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FULLY NONLINEAR GRAVITATIONAL INSTABILITIES FOR

EXPANDING SPHERICAL SYMMETRIC NEWTONIAN UNIVERSES

WITH INHOMOGENEOUS DENSITY AND PRESSURE

CHAO LIU

Abstract. Nobel Prize laureate P.J.E. Peebles [24] has emphasized the importance and dif-
ficulties of studying the large scale clustering of matter in cosmology. Nonlinear gravitational
instability plays a central role in understanding the clustering of matter and the formation
of nonlinear structures in the universe and stellar systems. However, there is no rigorous re-
sult on the nonlinear analysis of this instability except for some particular exact solutions
without pressure, and numerical and phenomenological approaches. Both Rendall [26] and
Mukhanov [21] have highlighted the challenge posed by nonlinear gravitational instability with
effective pressure. This has been a longstanding open problem in astrophysics for over a cen-
tury since the occurrence of linearized Jeans instabilities in Newtonian universes in 1902. This
article contributes to a fully nonlinear analysis of the gravitational instability for the Euler–

Possion system which models expanding Newtonian universes with inhomogeneous density and
pressure. The exponential or finite-time increasing blowups of the density contrast ̺ can be
determined, which may account for the considerably faster growth rate of nonlinear structures
observed in astrophysics than that suggested by the classical Jeans instability. We believe this
is the first rigorous result for the nonlinear Jeans instability with effective pressure and the
method is concise and robust.

Keywords: blowup, ODE blowup, Euler–Poisson system, Jeans instability, gravitational
instabilities, self-increase blowup, second order nonlinear hyperbolic equations
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1. Introduction

The gravitational instability, which Nobel laureate P.J.E. Peebles extensively discusses and
highlights in his renowned book [24], is of tremendous significance in astrophysics. It charac-
terizes the clustering of matter at large scales (as opposed to an isolated singularity), the mass
accumulation of self-gravitating systems, and enhances the understanding of the formation of
stellar systems and nonlinear structures in the universe1. However, up to now, the gravitational
instability was only rigorously studied in the linear regime since the first linearized gravitational
instability was obtained by Jeans [10] for Newtonian gravity in 1902 (thus it is also known as
Jeans instability), and then generalized to general relativity by Lifshitz [13] in 1946. The Jeans
instability was extended to the expanding background universe in Bonnor [6] (also see [21,31]).
Revised: The linearized Jeans instability derivations become substantially distorted by the ac-
cretions of the mass, as the increasing density results in significant deviations from the linear
regime. Additionally, the growth rate predicted by the classical linearized Jeans instability fails
to account for the considerable inhomogeneities observed in the present-day universe and the
formation of galaxies. This growth rate is deemed too slow and, as a result, less efficient. Previ-
ous studies by [6,21,31], and our own work [19] demonstrate that the growth rate of density for

1Additionally, it is worth noting the tenth inquiry in John Baez’s compilation of open questions in cosmology
and astrophysics [3], which asks, “10. Why are the galaxies distributed in clumps and filaments? ”
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certain partially nonlinear or linearized Jeans instability models in expanding Newtonian uni-
verse follows a power law of ∼ t

2

3 , where t denotes time. Due to the incompleteness of current
astrophysical theories and the presence of numerous mysterious phenomena that may rely on
nonlinear Jeans instability, it is imperative to conduct a thorough study of the nonlinear analy-
sis of Jeans instability. Furthermore, it is worth noting that Rendall has pointed out that there
are no existing results on Jeans instability for the fully nonlinear case [26]. Similarly, Mukhanov
has emphasized the challenge of studying nonlinear gravitational instability in Section 6.4 of
their work [21]. It becomes a long-standing open problem presented by astrophysics and more
backgrounds can be found in, for instance, [6, 21, 24, 31] and our prior articles [14, 15, 19].

Several references (see [2,21,27,31]) have discussed nonlinear strategies that involve approxi-
mations and numerical methods, such as the well-known Zel’dovich solutions. Additionally, an
exact solution known as the Tolman solution (see [21, §6.4.1], [12]) describes the evolution and
collapse of inhomogeneities in a spherical, dust-filled fluid, however, it is unable to incorporate
non-vanishing pressure effects. Our method is the first of its kind, addressing effective pressure
cases and allowing for generalization to more complex scenarios.

This article builds upon our previous works [14] and [15]. On one hand, in [14], we presented
a second-order hyperbolic equation as a simplified model of the nonlinear Jeans instability.
We demonstrated that its solution experiences an exponentially self-increase blowup, which is
a stable ODE-type blowup according to Alihnac [1]. This was achieved by using a Fuchsian
formulation constructed through proper time transforms. However, the current article faces
additional challenges that cannot be addressed directly using this result. On the other hand,
our previous work described in [15] involved the construction of a family of particular solutions
to the Euler-Poisson system that exhibit nonlinear gravitational instability of matter in an
expanding Newtonian universe, with inhomogeneous pressure and entropy – known as the cold
center and hot rim (for a more detailed explanation, refer to [15]). These unstable solutions,
specifically [15, eqs. (3.2)–(3.5)], serve as reference solutions in this article.

It is well known that the expanding Newtonian universe can be characterized by the Euler–
Poisson system and the equation of state in [15, eqs. (2.1)–(2.5)]. We work on the following
dimensionless and normalized Euler–Poisson system2 (we use the Einstein summation conven-
tion),

∂tρ+ ∂i(ρv
i) =0, (1.1)

∂tv
i + vj∂jv

i +
∂ip

ρ
+ ∂iφ =Di(t, xj , ρ, vk, s, φ), (1.2)

∂ts+ vi∂is =S(t, xj, ρ, vk, s, φ), (1.3)

∆φ = δij∂i∂jφ =4πρ. (1.4)

where ρ, vi, p, φ and s are the dimensionless density, velocities, pressure of the fluids, grav-
itational potential and specific entropy, Di and S are sources of specific momentum and en-
tropy. We point out that the non-dimensionalization of the Euler–Poisson system can be found
in [15, Appendix A] and the arbitrary initial time t = t0 can be normalized to t = 1. In
addition, the equation of state of the fluids (see [15, Appendix A]) is assumed by

p = Kesρ
4

3 for K > 0. (1.5)

2We have used notation ∂i := δij∂j and see §1.7.1.
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The initial data, in this article, is given by spherical symmetric functions βd(|x|) and γv(|x|),

ρ|t=1(x
i) = ρ0(|x|) :=

ι3

6π
(1 + βd(|x|)), vi|t=1(x

i) = vi0(|x|) :=
2

3
xi + γv(|x|)xi, (1.6)

s|t=1(x
i) = s0(|x|) := ln

((1 + βd(|x|))
2

3
+ω

(1 + β)ω
|x|2
)

. (1.7)

where |x|2 := δklx
kxl, β, γ and ω are given constants, and ι is a constant determined by

ι := ι(K̃) =
(1

2

√

1 + 18K̃ +
1

2

) 1

3

−
(1

2

√

1 + 18K̃ −
1

2

) 1

3

∈ (0, 1) and K̃ :=
K3

π
.

Essentially, ι3 and K̃ depend on the mater itself (see [15] for details). In this article, we only
consider ι3 ∈ (0, 1/5].

1.1. Reviews on the homogeneous models. Before illustrating the main question of this
article, as preparations, let us first review two crucial solutions to the Euler–Poisson system
(1.1)–(1.5) for

Di(t, xj , ρ, vk, s, φ) = S(t, xj , ρ, vk, s, φ) = 0, (conservations of momentum and energy)

and some notable facts from [15]:

(R1) Newtonian universes (backgroud solutions): If β = γ = 0, then the initial data (1.6)–(1.7)
reduce to

ρ|t=1(x
i) =

ι3

6π
, vi|t=1(x

i) =
2

3
xi and s|t=1(x

i) = ln |x|2. (1.8)

Then according to [15, §2], the solution to the Euler–Possion system (1.1)–(1.5) is

ρ̊(t) =
ι3

6πt2
, p̊(t) = Kt−

4

3 δklx
kxlρ̊

4

3 , v̊i(t, xk) =
2

3t
xi, (1.9)

φ̊(t, xk) =
2

3
πρ̊δijx

ixj =
ι3

9t2
δijx

ixj and s̊(t, xk) = ln(t−
4

3 δklx
kxl). (1.10)

This solution (1.9)–(1.10) gives an expanding Newtonian universe with homogeneous den-
sity and a paraboloid temperature field (see [15, Appendix A]).

To facilitate our analysis of the behavior of perturbed variables that deviate from the
background Newtonian universe (1.9)–(1.10), we first need to decompose the variables

(ρ, vi, p, s, φ) into two parts: the exact background solution (ρ̊, v̊i, p̊, s̊, φ̊) determined by

(1.9)–(1.10) and the perturbed parts (ρ̃, ṽi, p̃, s̃, φ̃). Then, we can introduce a density
contrast ̺ defined as follows:

ρ = ρ̊+ ρ̃, vi = v̊i + ṽi, φ = φ̊+ φ̃, p = p̊ + p̃, s = s̊+ s̃ and ̺ :=
ρ̃

ρ̊
. (1.11)

(R2) Homogeneous blowup solutions (reference solutions): If constants β > 0, γ > 0 and

d(|x|) = 1, v(|x|) = −1, then the initial data becomes

ρ|t=1(x
i) =

ι3

6π
(1 + β), vi|t=1(x

i) =
(2

3
− γ
)

xi and s|t=1(x
i) = ln

(
(1 + β)

2

3 |x|2
)
. (1.12)

According to [15, §3], there is a solution to the Euler–Poisson system (1.1)–(1.5) given by

ρr(t) =
ι3(1 + f(t))

6πt2
, vir(t, x

i) =
2

3t
xi −

f ′(t)

3(1 + f(t))
xi, (1.13)
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φr(t, x
i) =

ι3(1 + f(t))|x|2

9t2
and sr(t, x

k) = ln
(
t−

4

3 (1 + f)
2

3 δklx
kxl
)
, (1.14)

and the density contrast ̺r(t) = f(t), where the density contrast f(t) is a given function
by [15, (3.6)–(3.7)], i.e., f(t) solves an ordinary differential equation (ODE),

f ′′(t) +
4

3t
f ′(t)−

2

3t2
f(t)(1 + f(t))−

4(f ′(t))2

3(1 + f(t))
= 0, (1.15)

f |t=1 = β and f ′|t=1 = 3(1 + β)γ. (1.16)

This equation (1.15)–(1.16) has been elaborated in our previous article [14, Theorem 1.1]
and we have estimates of f(t). For readers’ convenience, we have listed the results in
Appendix B.1. This solution (1.13)–(1.14) serves as a reference solution in this article.

(R3) Note ι and K̃ are both dimensionless quantity depending on the molar mass (see [15,
Appendix A] for proofs) and one can verify that ι satisfies an important identity (also
see [15, §2]) that

ι3 + 9
(K̃

6

) 1

3

ι− 1 = 0, (1.17)

and ι(K̃) is a decreasing function, and limK̃→0 ι(K̃) = 1 and limK̃→+∞ ι(K̃) = 0.
(R4) We only consider the case for K > 0 since for the dust (K = 0), it is reduced to the

Tolman solutions (see [21, §6.4]) which have been well studied already. However, for
K > 0, there is no further result except [15] for homogeneous density contrast.

1.2. Questions. We begin by noting that according to [15], the Newtonian universe (1.9)–
(1.10) exhibits a density decay with the time that behaves like ∼ 1/t2. However, when we
introduce a homogeneous perturbation characterized by two positive parameters β and γ in
the initial data for density and velocity, as described in equation (1.12), the solution becomes
unstable. This means that as time goes on, the solution (1.13)–(1.14) can never become close to
the Newtonian universe (1.9)–(1.10). In fact, as we can see from the expression (1.13)–(1.14),
both the density ρr(t) and the density contrast ̺r(t) will eventually increase with time since
f(t) grows faster than an exponential function. The estimates for f(t) can be found in [15, eqs.
(3.8) and (3.9)], or in Theorem B.1 in Appendix B.1.

While we have successfully constructed a family of unstable solutions in (1.13)–(1.14) in
our previous work [15], it should be noted that these solutions require homogeneous initial
perturbations of the density, which are characterized by two parameters β and γ, as described
in that work. This raises the question of what happens if the initial perturbations of the density
are not homogeneous, as in (1.6). To be more specific, we need to ask:

Main Question.

(1) Given an initially inhomogeneous but spherically symmetric perturbation (1.6), deviating
from the data (1.8), we need to investigate whether the Newtonian universe solution to the
Euler-Poisson system (1.1)–(1.5) is stable or unstable.

(2) If the Newtonian universe solution is unstable, we need to examine how the perturbation
solution behaves in response to the initial perturbation.

(3) In the case of a perturbation solution blow-up, we also need to investigate how fast the
perturbation solution grows.

In this article, we utilize the reference solution (1.13)–(1.14) to develop a family of inho-
mogeneous but spherically symmetric solutions to the Euler–Poisson system (1.1)–(1.5) that
demonstrate exponential self-increasing density on R

3 until blowups, as a means of answering
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the question at hand. Furthermore, if the parameter γ > 1/3 in the data (1.6), the den-
sity contrast and its derivative will experience blowups at a finite time. This implies that
the Newtonian universe is unstable when subjected to initially inhomogeneous but spherically
symmetrical perturbations and that these perturbations are close to their corresponding homo-
geneous reference solutions. This outcome represents the phenomena of mass accretions and
clusterings on large scales. In the following sections, we will propose suitable assumptions and
present the precise findings in the main theorem.

1.3. Assumptions of the model. Due to the difficulty of directly answering the previous
Main Question, several assumptions and simplifications have been made. The fundamental
physical implications of this expanding Newtonian universe are located in [15, §2]. Furthermore,
to streamline the computations, we impose the following assumptions:

(A1) Dampings and entropy productions: In this article, we consider the Euler–Poisson system

(1.1)–(1.7) with the following specific terms Di and S:

Di(t, xj , ρ, vk, s, φ) :=−
κf0
1 + f

[

vi −
( 2

3t
−

f0
3(1 + f)

)

xi
]

, κ >
7

6
, (1.18)

S(t, xj, ρ, vk, s, φ) :=−
(2

3
+ ω

)

∂iv
i +

2vixi

|x|2
+ 3ω

( 2

3t
−

f0
3(1 + f)

)

, ω = −
8

5
. (1.19)

where we denote f0(t) := f ′(t) throughout this article. The further physical meanings
of Di and S are discussed in Appendix A.1. As shown in Appendix A.1, Di serves as a
damping term that arises directly from the inhomogeneous densities, while S accentuates
the growth of entropy caused by the aforementioned inhomogeneities through a flow of
matter that depends on temperature.

Remark 1.1. Both Di and S are simplifications that aid in the proofs. Specifically, Di

implies that the solutions blow up at a fixed time for every spatial point, resulting in stable
blow-ups. On the other hand, S simplifies system (1.1)–(1.4) by allowing us to reduce
equation (1.3) to a specific relationship, (2.3), which is demonstrated in Lemma 2.1.

(A2) Periodicity and spherical symmetry of data: To simplify the analysis, we assume that the
initial data d(|x|) and v(|x|) are both 1-log-periodic functions, as defined below.

Definition 1.1. A function F (|x|) is called t-log-periodic if there is a t-parameterized exp-log
transform yt satisfying

|x| = yt(ζ) := t
2

3

(
1 + f(t)

)− 1

3 exp ζ ⇔ ζ = y−1
t (|x|) = ln

(
t−

2

3

(
1 + f(t)

) 1

3 |x|
)
, (1.20)

such that F́ (ζ) := F ◦yt(ζ) is a periodic function with the unit period, that is, F́ (ζ+m) = F́ (ζ)
for any m ∈ Z and ζ ∈ R.

Remark 1.2. In other words, Definition 1.1 and (A2) imply d ◦ y1 and v ◦ y1 (where y1(ζ) =
(
1 + β

)− 1

3 exp ζ) are both defined on T.

Under these assumptions, there is a direct conclusion:

Claim. The Newtonian universe solution (1.9)–(1.10) (see (R1)) and the homogeneously per-
turbed solutions (1.13)–(1.14) (see (R2)) both solve the Euler–Poisson system (1.1)–(1.7) with
the specific terms Di and S defined by (1.18) and (1.19).
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Proof. Because these two solutions (1.9)–(1.10) and (1.13)–(1.14) both have a homogeneous
density which yields the relative velocity defined by

v̌i := vi −
( 2

3t
−

f0
3(1 + f)

)

xi (1.21)

vanishes, i.e., v̌i = 0. Further noting

S(t, xj, ρ, vk, s, φ) = −
(2

3
+ ω

)

∂iv̌
i +

2v̌ixi

|x|2
and Di(t, xj , ρ, vk, s, φ) = −

κf0
1 + f

v̌i,

Di and S vanish. �

1.4. Main theorems. Let us present the main theorem of this article which answers the Main
Question to some extend. In fact, from [15] we have already known:

Claim. A homogeneous initial perturbation of (1.12) around data (1.8) results in a blowup

solution (ρr, v
i
r, φr, sr) given by (1.13)–(1.14), meaning that the Newtonian universe (ρ̊, v̊i, φ̊, s̊)

(as given in (1.9)–(1.10)) is gravitationally unstable.

In order to address the issue of inhomogeneous density perturbations, this article demonstrates
that the blowup solutions (ρr, v

i
r, φr, sr) are stable in the presence of inhomogeneous density

perturbations. This result can be seen as a nonlinear version of the Jeans instability, with the
stable blowup serving as a nonlinear counterpart to the Jeans criterion.

Theorem 1.1. Under assumptions (A1)–(A2), suppose s ∈ Z> 7

2

, ι3 ∈ (0, 1/5] and f ∈

C2([1, tm)) given by Theorem B.1 solves equation (1.15)–(1.16) where β > 0 and γ > 0, and
assume tm > 1 such that [1, tm) is the maximal interval of existence of f given by Theorem B.1.
Then there are small constants σ⋆, σ > 0, such that if the initial data (1.6) satisfies

∥
∥d ◦ y1 − 1

∥
∥
Hs+1(T)

+
∥
∥v ◦ y1 + 1

∥
∥
Hs+1(T)

≤ σ⋆σ, (1.22)

then

(1) there is a solution (ρ, vi, s, φ) ∈ C2([1, tm) × R
3) to the system (1.1)–(1.7) and ρ(t, |x|),

vi(t, |x|)xi/|x|
2 are t-log-periodic and spherical symmetric;

(2) there is a constant C1 ∈ (0, 1/σ), such that ̺ (defined by (1.11)) and vi satisfy the estimates

0 <
(
1− C1σ

)
f(t) < ̺(t, xi) <

(
1 + C1σ

)
f(t), (1.23)

0 < (1− C1σ)f0(t) ≤ ∂t̺(t, x
i) ≤ (1 + C1σ)f0(t), (1.24)

−Cσ(1 + f(t)) ≤ xi∂i̺(t, x
i) ≤ Cσ(1 + f(t)) (1.25)

and
( 2

3t
−

(1 + C1σ)f0(t)

3(1 + f(t))

)

xi < vi(t, xi) <
( 2

3t
−

(1− C1σ)f0(t)

3(1 + f(t))

)

xi (1.26)

for (t, xi) ∈ [1, tm)× R
3;

(3) the entropy s can be expressed by

s = ln
(

t−
4

3

(1 + ̺)−
14

15

(1 + f)−
8

5

δklx
kxl
)

; (1.27)

(4) ̺ and ∂t̺ both blowup at t = tm, i.e.,

lim
t→tm

̺(t, xi) = +∞ and lim
t→tm

∂t̺(t, x
i) = +∞; (1.28)
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(5) if the parameter γ of the data from (1.6) satisfies γ > 1/3, then there is a finite time
tm < ∞, such that the density contrast ̺ and its derivative ∂t̺ blow up at a finite time tm.

The main theorem will be proved in the final section §3.7, following thorough preparation.

1.5. Overviews and outlines. The primary tool of this article is a Cauchy problem for a
Fuchsian system, originally introduced by [22]. This method is useful for determining the
long-term behaviors of hyperbolic systems. The Fuchsian system is singular at t = 0 and is
represented by the equation

Bµ(t, x, u)∂µu =
1

t
B(t, x, u)Pu+H(t, x, u), (1.29)

as described in more detail in Appendix B.3. Conditions (F1)–(F6) in Appendix B.3 outline
the necessary requirements for the coefficients and remainders to ensure proper nonlinearities.
Using this system, Theorem B.2 can be employed to determine the global behaviors of the
Fuchsian fields u.

The Fuchsian formulations utilize the energy method but with normalization to a specific
class of singular hyperbolic systems. The main advantage of this approach is that it streamlines
the proof process, as it eliminates the need for exhaustive energy estimates. By transforming
the Euler–Poisson system into Fuchsian formulations, we can use global existence theorems for
Fuchsian systems, which have been developed by several authors, including Oliynyk, Beyer, J.
Arturo, and the author of this work (see, for example, [4,5,16,17,22,23]). The global existence
theorem of the Fuchsian system already incorporates the necessary energy estimates.

While the primary idea is to transform to the Fuchsian system, there are several difficulties :

(Q1) How to transform?
(Q2) How to select the appropriate Fuchsian fields, as the proper fields typically encode the

correct behaviors of solutions? This requires making predictions about the behaviors
of solutions, which can be difficult. This challenge is similar to the issue in the energy
method of selecting the correct energy to use.

(Q3) How to compactify the time because the Fuchsian formulations require the time variables
lie in [−1, 0) and the system is singular at t = 0.

The answers to these questions will be expounded throughout this article. In fact, . To address
question (Q3), we introduce a useful function, g(t), and a compactified time transformation:

g(t) := exp
(

−A

∫ t

1

f(s)(f(s) + 1)

s2f0(s)
ds
)

> 0 and τ := −g(t) ∈ [−1, 0), (1.30)

respectively, for t ∈ [1,∞) where A ∈ (0, 2) is a constant and f is a solution to (1.15)–(1.16).
This compactified time τ with the function g(t) is well compatible with the Fuchsian transform.

Next, we will provide an overview of the structure of this article, detailing the steps involved
in answering question (Q1).

§2 serves to transform the Euler–Poisson system into a system consisting of a second-order
quasilinear hyperbolic equation for the density contrast ̺ (similar to the one in [14, eq. (1.1)]),
a transport equation for the rescaled speed ν (2.30), and an algebraic equation that expresses
s. The nonlinearities in this system are more complicated than those in the aforementioned
equation.

In §2.1, we use a near-comoving coordinate system (t, Xk) to transform the Euler–Poisson
system into a second-order quasilinear hyperbolic equation for the density contrast, analogous
to the one in [14, eq. (1.1)]. In the following, we will use formal notations to briefly indicate
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how to proceed with the transformation, using notation such as (1.2)(t,Xk) to represent equation

(1.2) in terms of the coordinate system (t, Xk).

tr∂Xk(1.2)(t,Xi) ⇒the eq. of ∂tΘ, (Lemma 2.3)

the continuity eq. (1.1) ⇒the expression (2.16) of Θ

}

⇒

2nd order hyperbolic eq. analogous

to the one in [14, eq. (1.1)]

(see Lemma 2.4).

On the other hand, we can compare (1.1) and (1.3) to re-express s in terms of ̺ via an algebraic
expression. This allows us to simplify the system by removing the equation for s and the variable
s itself (see Lemma 2.1).

In §2.2, we employ spherical symmetries to rewrite the second order hyperbolic equation of
̺ and the transport equation of the rescaled speed ν (defined in (2.30)) in terms of spherical
coordinates. To obtain the Fuchsian system, we introduce a spatial log-coordinate in §2.3 and
use the new coordinate ζ := lnR to represent the (̺, ν) system (see Lemma 2.7). In addition,
in §2.4, we need to verify that the rescaled gravity defined by (2.58), i.e.,

Ψ(t, ζ) :=
1

f(t)e3ζ

∫ ζ

−∞

[ ˆ̺(t, z)− f(t)]e3zdz

is periodic in its variable ζ (see Lemma 2.8). Finally, we use Proposition 2.9 to show that the
solution (̺, ν) is periodic in ζ .

We follow a similar methodology as [14] in our analysis of the first step (§3.1) in §3. However,
we have obtained a second-order nonlinear hyperbolic equation with more complicated gζζ and
remainders F . Similar to [14], we select Fuchsian fields of density contrast ̺ and its derivatives
∂µ̺. By compactifying time and using the Fuchsian fields, we formulate a Fuchsian system
for the density contrast fields (see Lemma 3.2). However, to fully complete the system, we
need a singular formulation of the equation for the rescaled speed ν. With the help of the
compactified time τ , we are able to rewrite the equation for the Fuchsian field ν in a singular
form (see Lemma 3.3). Furthermore, using a variant of the continuity equation (3.22) (see
Lemma 3.6), we simplify the equation by removing the spatial derivative term.

After deriving the singular equation of ν, it initially appeared that the suspected Fuchsian
system was complete. However, upon closer examination, there were singular terms such as
Ψ/τ present in the remainders that proved difficult to remove. As a solution, we decided to
treat Ψ as a new Fuchsian field and establish a singular equation for it. In §3.2, we were able
to derive this singular equation (3.25) for Ψ by differentiating e3ζΨ with respect to t and using
a form of the continuity equation (3.23) (see Lemma 3.5). However, this equation alone did
not guarantee that the complete singular system constituted a Fuchsian system due to the
failure of condition (F4) (see Appendix B.3). To rectify this, we differentiated Ψ with respect
to ζ to obtain equation (3.26) (i.e., ∂ζΨ = u − 3Ψ). By incorporating this equation into the
previous singular equation of Ψ in a suitable manner, we were able to satisfy condition (F4).
The resulting equation is presented in Lemma 3.6.

Upon gathering all the singular equations, we find that the system is a Fuchsian system,
which is verified in §3.4. However, these verifications are not trivial. First, estimates on the
key quantities χ and ξ (which we introduced and estimated in our previous article [14, §2.5]) are
crucial, as they help distinguish the singular terms in τ from the regular terms in the right-hand
side of the Fuchsian system (1.29). Nevertheless, these estimates are insufficient to distinguish
the order of singular terms in this article, and further estimates are required. In our previous
article [14], we established that χ(t) = 4B + G(t) and G(t) satisfies limt→tm G(t) = 0. In this

article, we need to show that G(t) . (−τ)
1

2 , where τ is the compactified time defined in (1.30).
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The idea to achieve this estimate is to first calculate ∂tχ = ∂tG using the definition of χ to
obtain an evolution equation of χ or G (see Lemma B.6). We then use the compactified time
τ to re-express this equation as a singular equation of G (see Lemma 3.7). Using a Gronwall

type inequality, we can estimate G(t) . (−τ)
1

2 (see Lemma 3.8). In addition to establishing
the previously proven result that limt→tm ξ = 0 in [14], we must also show that

lim
t→tm

(
1

gf
1

2

)

= 0.

This conclusion is established in Proposition B.7 and Corollary B.1 if A ∈ (0, 2). With the help
of these estimates and by restricting ι3 ∈ (0, 1/5], we are able to verify Condition (F4) (see
§3.4.4).

After verifying the Fuchsian system in §3.4, we can apply the global existence and estimate
theorem (Theorem B.2) to the Fuchsian fields in §3.6. In order to prove the Main Theorem 1.1
in §3.7, we must transform the smallness condition (1.22) of the data into a smallness condition
for the Fuchsian fields. This requires an estimate ‖Ψ(t)‖Hs(T) ≤ C‖u(t)‖Hs−1(T), which can
be proven using ∂ζΨ = u − 3Ψ (Lemma 3.11). Finally, by transforming the estimates of the
Fuchsian fields back to ̺ and its derivatives and vi, we can conclude the Main Theorem 1.1.

1.6. Related works. The blowup phenomenon has been extensively researched in relation to
different hyperbolic equations. Notably, [1,11] provide a comprehensive overview of blowups in
various hyperbolic systems. In addition, Speck [28,29] has investigated stable ODE-type blowup
outcomes for quasilinear wave equations with a Riccati-type derivative-quadratic semilinear
term and a form of stable Tricomi-type degeneracy formation for a specific wave equation.
Furthermore, the author of this article [14] has studied self-increasing blowup solutions of a
group of second-order hyperbolic equations.

The fundamental technique employed in this article is the Cauchy problem for Fuchsian
systems, initially proposed by Oliynyk [22]. Subsequently, it has been developed and utilized
in various works, such as [4, 5, 14, 16–20] for a range of systems, including the Einstein–scalar
field, Einstein–Euler, and Einstein–Yang–Mills systems, etc.

The gravitational collapse and its associated mass accretion have been investigated in previ-
ous works, such as [8,9]. In contrast to [8], where the focus is on blowups for compact isolated
bodies, our work concentrates on blowups on R

3, enabling us to model the clustering of matter
on a larger scale. Furthermore, our proof methodology is distinct, and the connections between
the two approaches warrant further exploration.

1.7. Notations. Unless stated otherwise, we will apply the following conventions of notations
throughout this article without recalling their meanings in the following sections.

1.7.1. Indices and vectors. Unless stated otherwise, our indexing convention will be as follows:
we use lowercase Latin letters, e.g. i, j, k, for spatial indices that run from 1 to 3, and lowercase
Greek letters, e.g. α, β, γ, for spacetime indices that run from 0 to 3. We will follow the Einstein
summation convention, that is, repeated lower and upper indices are implicitly summed over.
We use xi (i = 1, 2, 3) to denote the standard coordinates on the R3 and t = x0 a time coordinate
on the interval [1,∞). We use the bold fonds to represent a vector field, for example, v to
represent a velocity field and x the displacement. In this article, we will use the Euclidean
metric δij and δij to raise and lower the indices, for instance, xi := δijx

j , vi := δijv
j and

∂i := δij∂j .
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1.7.2. Lagrangian descriptions. In this article, we denote (t, xi) the Eulerian coordinate and
(t, Xj) the comoving coordinate with the reference solutions (1.13)–(1.14) (i.e, regard the ref-
erence solutions as observers) defined by

Xk := a−1(t)(1 + f(t))
1

3xk ⇔ xk = xk(t, Xj) = a(t)(1 + f(t))−
1

3Xk (1.31)

where a(t) = t
2

3 is the scale factor of the Newtonian universe. In this case, we have

vkr =
∂xk

∂t
=

2

3t
xk −

f0
3(1 + f)

xk =
2

3t
a(1 + f)−

1

3Xk −
af0

3(1 + f)
4

3

Xk. (1.32)

where we denote f0 := f ′. Under these two coordinates, a vector v can be represented, with
respect to (t, xi) and (t, Xj) respectively, by (vi(t, xj)) and the wavy underlined notations
(
✿

vi(t, Xj)) (i.e., v = vi ∂
∂xi =

✿

vi ∂
∂Xi ), and a scalar function F be represented by F (t, xj) and

✿✿

F (t, Xj). We have the relations

vi(t, xk(t, Xj)) =
∂xk

∂X i ✿
vi(t, Xk) = a(1 + f)−

1

3

✿

vi(t, Xk) and
✿✿

F (t, Xj) = F (t, xi(t, Xj)).

(1.33)
For simplicity of the notations, we introduce Di :=

∂
∂Xi , then

∂iF (t, xk(t, Xj)) = a−1(1 + f)
1

3Di
✿✿

F (t, Xj). (1.34)

This article involves two different time coordinates: the open time t ∈ [t0,∞) and the
compactified time τ = −g(t) ∈ [−1, 0) given by (3.1). For any scalar function F (t, X i), we
always use the underlined notation,

F (τ,X i) := F (g−1(−τ), X i) (1.35)

to denote the representation of F in compactified time coordinate τ throughout this article.

1.7.3. Function spaces, inner-products and matrix inequalities. Partial derivatives with respect
to the coordinates (xµ) = (t, xi) will be denoted by ∂µ = ∂/∂xµ. We also use Greek letters
to denote multi-indices, e.g. α = (α1, α2, . . . , αn) ∈ Z

n
≥0, and employ the standard notation

Dα = ∂α1

1 ∂α2

2 · · ·∂αn
n for spatial partial derivatives.

Given a finite-dimensional vector space V , we let Hs(Tn, V ), s ∈ Z≥0, denote the space of
maps from T

n to V with s derivatives in L2(Tn). When the vector space V is clear from context,
for example, V = R

N , we write Hs(Tn) instead of Hs(Tn, V ). Letting

〈u, v〉 =

∫

Tn

(u(x), v(x)) dnx,

where (·, ·) is the Euclidean inner product on R
N (i.e., (ξ, ζ) = ξT ζ for any ξ, ζ ∈ R

N ), denote
the standard L2 inner product, the Hs norm is defined by

‖u‖2Hs =
∑

0≤|α|≤s

〈Dαu,Dαu〉.

For matrices A,B ∈ MN×N , we define

A ≤ B ⇔ (ζ, Aζ) ≤ (ζ, Bζ), ∀ζ ∈ R
N .

We also employ the notation

a . b ⇔ a ≤ Cb

where C denotes a generic constant.
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2. Reference solutions-based formulations

2.1. A second order equation of the density contrast. The objectives of this section are
twofold: Firstly, to rewrite the Euler–Poisson system in a Lagrangian coordinate (t, Xk) (as
discussed in §1.7.2). Secondly, to obtain a second order hyperbolic equation for the density
contrast ̺, similar to the one studied in [14]. However, the current case involves more compli-
cated nonlinear terms gij and F , with more unknown variables. To estimate the perturbations
of the reference solutions, we further decompose the variables by introducing the following
definitions.

✿̌

vk(t, X i) :=
✿̃

vk(t, X i)+
f0

3(1 + f)
Xk and

✿

φ̌(t, Xk) =
✿

φ̃(t, Xk)−a2(1+f)−
2

3

ι3fX iXjδij
9t2

(2.1)

Before proceeding, let us first point out the entropy s can be expressed in terms of the density
contrast ̺.

Lemma 2.1. Suppose (ρ, vi) solves (1.1) with data (1.6), ̺ is defined by (1.11), (ρ̊, v̊i, s̊, φ̊) and
(ρr, v

i
r, sr, φr) are given by (1.9)–(1.10) and (1.13)–(1.14), respectively. If s solves (1.3) (S is

given by (1.19)) with the data (1.7), i.e., s solves

∂ts+ vi∂is = −
(2

3
+ ω

)

∂iv̌
i +

2v̌ixi

|x|2
(2.2)

with the data (1.7), then

s = ln
(

t−
4

3

(1 + ̺)
2

3
+ω

(1 + f)ω
δklx

kxl
)

. (2.3)

Moreover, according to the equation of state (1.5), the pressure becomes

p = Kesρ
4

3 = Kt−
4

3

(1 + ̺)
2

3
+ω

(1 + f)ω
δklx

kxlρ
4

3 . (2.4)

Proof. Firstly, let us recall (1.9), (1.11), (1.13) and (1.21), and they imply

ṽi = vi − v̊i = vir − v̊i + v̌i = v̌i −
f0

3(1 + f)
xi and v̌i := vi − vir. (2.5)

Recalling the definition (1.11) of density contrast ̺, we first note the equation (1.1) and the
solutions (1.9)–(1.10) imply

∂t̺+ vi∂i̺ = −(1 + ̺)∂iṽ
i (2.5)

⇔ ∂t ln(1 + ̺) + vi∂i ln(1 + ̺)−
f0

1 + f
= −∂iv̌

i. (2.6)

Noting

∂tsr + vir∂isr = 0, v̌i∂isr
(1.14)
=

2v̌ixi

|x|2
and

f0
1 + f

= ∂t ln(1 + f),

and substituting (2.6) into (2.2) yield

∂tš+ vi∂iš+ v̌i∂isr = ∂t ln(1 + ̺)
2

3
+ω + vi∂i ln(1 + ̺)

2

3
+ω − ∂t ln(1 + f)

2

3
+ω + v̌i∂isr,

which implies

∂t

[

š− ln
(1 + ̺

1 + f

) 2

3
+ω
]

+ vi∂i

[

š− ln
(1 + ̺

1 + f

) 2

3
+ω
]

= 0. (2.7)

By data (1.6), (1.7) and the reference solution (1.14), we obtain
(

š− ln
(1 + ̺

1 + f

) 2

3
+ω
)∣
∣
∣
∣
t=1

= 0. (2.8)
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The equation (2.7) and (2.8) mean along every velocity field vi generated characteristics, š −

ln
(
1+̺
1+f

) 2

3
+ω

vanishes, which means solving (2.7) and (2.8), there is a unique solution

š− ln
(1 + ̺

1 + f

) 2

3
+ω

= 0 ⇒ š =
(2

3
+ ω

)

ln
(1 + ̺

1 + f

)
(1.14)
⇒ (2.3).

We then complete the proof. �

Remark 2.1. This lemma enable us to use the algebraic expression (2.3) to replace the transport
PDE (1.3) and use (2.4) to replace (1.5) in the Euler–Poisson system (1.1)–(1.7).

Lemma 2.2. Suppose
✿̺

,
✿̌

vk and
✿

φ̃ (recalling the notations in §1.7.2) are defined by (1.11) and
(2.1), then the Euler–Poisson system (1.1)–(1.4) can be represented in terms of the perturbation
variables (

✿̺

,
✿̌

vi,
✿

φ̌) in the coordinates (t, Xj) in §1.7.2,

∂t
✿̺

+
(
1 +

✿̺

)(

Di
✿̌

vi −
f0

1 + f

)

+
✿̌

viDi
✿̺

= 0, (2.9)

∂t
✿̌

vk +
( 4

3t
−

2f0
3(1 + f)

)

✿̌

vk +
✿̌

vjDj
✿̌

vk + (2 + ω)Kt−
4

3 δijX
iXjρ̊

1

3 (1 + f)−ω(1 +
✿̺

)ωδklDl
✿̺

+
2Kι(1 + f)

(6π)
1

3 t2
Xk
[(1 +

✿̺

1 + f

)1+ω

− 1
]

+ a−2(1 + f)
2

3 δklDl
✿

φ̌ = −
κf0
1 + f ✿̌

vk, (2.10)

δklDkDl
✿

φ̌ =
2ι3

3t
2

3

(1 + f)−
2

3 (
✿̺

− f). (2.11)

Proof. The proof is from the tedious and direct calculations by (1.9)–(1.10), (1.11), (1.33) and
(1.34). We only remark some key steps but leave the details to the readers. Firstly, by (2.6),
direct calculations imply

∂t̺+
2

3t
xi∂i̺+ ∂iṽ

i + ̺∂iṽ
i + ṽi∂i̺ = 0. (2.12)

Note, by the chain rule, we have

∂t
✿̺

(t, Xk) = ∂t̺(t, x
i(t, Xk)) +

∂xi(t, Xj)

∂t
∂i̺(t, x

i(t, Xk)). (2.13)

By (1.31) and (1.32), this (2.13) implies

∂t
✿̺

(t, Xk) +
f0

3(1 + f)
X iDi

✿̺

(t, Xk) = ∂t̺(t, x
i(t, Xk)) +

2

3t
xi∂i̺(t, x

i(t, Xk)).

If we define the expansion of perturbations

Θ(t, Xk) = Di
✿̌

vi(t, Xk), (2.14)

then by (2.1) and since a scalar is independent of the coordinates, we reach the relations,

∂iṽ
i = Di

✿̃

vi = Θ−
f0

1 + f
. (2.15)

Then, with the help of (2.12)–(2.15), we conclude (2.9).
Let us turn to (2.10), straightforward calculations, by using (1.9)–(1.10), (1.11) yield

∂tṽ
i +Hxj∂j ṽ

i +Hṽi + ṽj∂j ṽ
i +

∂i(p̃/ρ̊)

1 + ̺
− 2Kt−

4

3 ρ̊
1

3xi ̺

1 + ̺
+ ∂iφ̃ = −

κf0
1 + f

ṽi.
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Then we note, by (2.4) and (1.9), we obtain

δij∂j

( p̃

ρ̊

)

= 2Kt−
4

3xiρ̊
1

3

(
(1+f)−ω(1+̺)2+ω−1

)
+(2+ω)Kt−

4

3 δklx
kxlρ̊

1

3 (1+f)−ω(1+̺)1+ωδij∂j̺.

In addition, by (1.9) and the identity of ι (1.17), we have

2Kt−
4

3Xkρ̊
1

3

(
(1 + f)−ω(1 + ̺)2+ω − 1

)

1 +
✿̺

−
2Kt−

4

3 ρ̊
1

3Xk
✿̺

1 +
✿̺

+
2f(ι3 − 1)Xk

9t2

=
2KιXk

(6π)
1

3 t2

[
(1 + f)−ω(1 +

✿̺

)1+ω − 1
]
−

2KιXkf

(6π)
1

3 t2
=

2KιXk(1 + f)

(6π)
1

3 t2

[(1 +
✿̺

1 + f

)1+ω

− 1
]

.

Using above two identities and changing coordinates with the help of (1.31)–(1.34) and (2.1),
lengthy but straightforward computations, with the help of (1.15) due to the presence of f ′′,
conclude (2.10).

In order to derive (2.11), we only note δklDkDl

(
X iXjδij

)
= 6, changing coordinates and

using (2.1), we can arrive at it. these then complete the proof. �

In the next, we intend to drive a second-order equation analogous to the one in [14, eq. (1.1)].
In order to do so, by noticing that (2.9) implies

Θ =
f0

1 + f
−

∂t
✿̺

1 +
✿̺

− ✿̌

viDi
✿̺

1 +
✿̺

, (2.16)

we first try to find an equation of the expansion Θ. Then (2.16) helps achieve the goal.
Let us define the rotations Ωij and the shears Ξij of the perturbed velocity fields

✿̌

vk in the
following.

Θij =
1

2
(Di

✿̌

v
j
+Dj

✿̌

v
i
), Ωij =

1

2
(Di

✿̌

v
j
−Dj

✿̌

v
i
) and Ξij := Θij −

1

3
Θδij (2.17)

where we denote
✿̌

v
j
:= δjk

✿̌

vk (recall §1.7.1), and we see Θ := δijΘij = Di
✿̌

vi consisting with

the (2.14). We note δijΞij = 0 and δijΩij = 0, and we can verify that Ξij is symmetric and
trace-free, while Ωij is anti-symmetric. Then there is a decomposition

Di
✿̌

v
j
= Ξij +

1

3
Θδij + Ωij . (2.18)

Lemma 2.3. If (
✿̺

,
✿̌

vi,
✿

φ̌) solves the system (2.9)–(2.11), then (Θ,Ξil,Ωij ,
✿̺

,
✿̌

vi) satisfy an equa-
tion

∂tΘ+
( 4

3t
−

2f0
3(1 + f)

)

Θ+ δijΞilδ
lkΞkj +

1

3
Θ2 + δijΩkjΩilδ

lk +
✿̌

vkDkΘ

+
(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs
(1 +

✿̺

1 + f

)ω

δijDjDi
✿̺

+
6Kι(1 + f)

(6π)
1

3 t2

[(1 +
✿̺

1 + f

)1+ω

− 1
]

+ ω(2 + ω)Kt−
4

3 δsrX
sXrρ̊

1

3 (1 + f)−ω(1 +
✿̺

)ω−1δijDi
✿̺

Dj
✿̺

+
2ι3

3t2
(
✿̺

− f)

+
2(3 + 2ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

δijXiDj
✿̺

= −
κf0
1 + f

Θ. (2.19)

Proof. Differentiating (2.10) with respect to Xj,

∂tDj
✿̌

vk +
( 4

3t
−

2f0
3(1 + f)

)

Dj
✿̌

vk +
✿̌

vlDjDl
✿̌

vk +
(2 + ω)Kι

(6π)
1

3 t2
δisX

iXs
(1 +

✿̺

1 + f

)ω

δklDjDl
✿̺
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+
2(2 + ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

δjrX
rδklDl

✿̺

+ ω(2 + ω)Kt−
4

3 δirX
iXrρ̊

1

3

(1 +
✿̺

)ω−1

(1 + f)ω
δklDl

✿̺

Dj
✿̺

+Dj
✿̌

vlDl
✿̌

vk +
2Kι(1 + f)

(6π)
1

3 t2
δkj

[(1 +
✿̺

1 + f

)1+ω

− 1
]

+
2(1 + ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XkDj
✿̺

+ a−2(1 + f)
2

3 δklDjDl
✿

φ̌ = −
κf0
1 + f

Dj
✿̌

vk.

Then, denoting Xi = Xkδik and using δik to lower the indices yield

∂tDj
✿̌

v
i
+
( 4

3t
−

2f0
3(1 + f)

)

Dj
✿̌

v
i
+

✿̌

vlDjDl
✿̌

v
i
+

(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs
(1 +

✿̺

1 + f

)ω

DjDi
✿̺

+
2Kι(1 + f)

(6π)
1

3 t2
δij

[(1 +
✿̺

1 + f

)1+ω

− 1
]

+ ω(2 + ω)Kt−
4

3 δsrX
sXrρ̊

1

3

(1 +
✿̺

)ω−1

(1 + f)ω
Di

✿̺

Dj
✿̺

+
2(2 + ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XjDi
✿̺

+
2(1 + ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XiDj
✿̺

+ a−2(1 + f)
2

3DjDi
✿

φ̌

+Dj
✿̌

vlDl
✿̌

v
i
= −

κf0
1 + f

Dj
✿̌

v
i
. (2.20)

Switching the indices leads to

∂tDi
✿̌

v
j
+
( 4

3t
−

2f0
3(1 + f)

)

Di
✿̌

v
j
+

✿̌

vlDiDl
✿̌

v
j
+

(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs
(1 +

✿̺

1 + f

)ω

DjDi
✿̺

+
2Kι(1 + f)

(6π)
1

3 t2
δij

[(1 +
✿̺

1 + f

)1+ω

− 1
]

+ ω(2 + ω)Kt−
4

3 δsrX
sXrρ̊

1

3

(1 +
✿̺

)ω−1

(1 + f)ω
Di

✿̺

Dj
✿̺

+
2(2 + ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XiDj
✿̺

+
2(1 + ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XjDi
✿̺

+ a−2(1 + f)
2

3DjDi
✿

φ̌

+Di
✿̌

vlDl
✿̌

v
j
= −

κf0
1 + f

Di
✿̌

v
j
. (2.21)

Next, with the help of (2.18), we firstly note

δklDi
✿✿̌

vlDk
✿✿̌

vj = δklΞilΞkj +
2

3
ΘΞij +ΩilΞkjδ

kl +
1

9
Θ2δji +

2

3
ΘΩij +Ωkjδ

lkΞil +ΩkjΩilδ
lk. (2.22)

Using Ξij = Ξji and Ωij = −Ωji, then ΩilΞkjδ
kl + ΩkiΞjlδ

kl = ΩilΞkjδ
kl + ΩliΞjkδ

kl = 0 and
ΩjlΞkiδ

kl + ΩkjΞilδ
kl = ΩjlΞkiδ

kl + ΩljΞikδ
kl = 0. By using (2.22) adding the one derived by

switching the indices i and j of (2.22), we then arrive at

1

2
(Diṽ

kDkṽj +Dj ṽ
kDkṽi) = Ξilδ

lkΞkj +
2

3
ΘΞij +

1

9
Θ2δji + ΩkjΩilδ

lk. (2.23)

Then by using (2.17) to calculate [(2.20)+(2.21)]/2, with the help of (2.23), we obtain

∂tΘij +
( 4

3t
−

2f0
3(1 + f)

)

Θij + Ξilδ
lkΞkj +

2

3
ΘΞij +

1

9
Θ2δji + ΩkjΩilδ

lk +
✿̌

vkDkΘij

+
(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs(1 + f)−ω(1 +
✿̺

)ωDjDi
✿̺

+
2Kι(1 + f)

(6π)
1

3 t2
δij

[(1 +
✿̺

1 + f

)1+ω

− 1
]

+ ω(2 + ω)Kt−
4

3 δsrX
sXrρ̊

1

3 (1 + f)−ω(1 +
✿̺

)ω−1Di
✿̺

Dj
✿̺

+ a−2(1 + f)
2

3DjDi
✿

φ̌
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+
(3 + 2ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XiDj
✿̺

+
(3 + 2ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

XjDi
✿̺

= −
κf0
1 + f

Θij . (2.24)

Taking the trace of (2.24) (i.e., using δij acting on the both sides of (2.24)), using (2.11) and
noting δijΞij = 0, we arrive at (2.19). It completes the proof. �

Now we are in the position to derive a second-order equation analogous to the one in [14, eq.
(1.1)]. We present it in the next lemma.

Lemma 2.4. If (
✿̺

,
✿̌

vi,
✿

φ̌) solves the system (2.9)–(2.11), then (
✿̺

,Ξil,Ωij ,
✿

φ̌,
✿̌

vi) satisfy an equa-
tion

∂2
t
✿̺

+
4

3t
∂t

✿̺

−
2

3t2 ✿̺

(1 +
✿̺

)−
4(∂t

✿̺

)2

3(1 +
✿̺

)
−

(ω + 1)(2 + ω)Kι

(6π)
1

3 t2
δkjX

kXj
(1 +

✿̺

)ω

(1 + f)ω
δilDl

✿̺

Di
✿̺

+
2f0

3(1 + f) ✿̌

viDi
✿̺

−
2Kι(1 + f)

(6π)
1

3 t2

[(1 +
✿̺

1 + f

)1+ω

− 1
]

X iDi
✿̺

− a−2(1 + f)
2

3 δilDlφ̌
✿

Di
✿̺

−
8
✿̌

viDi
✿̺

∂t
✿̺

3(1 +
✿̺

)
− (1 +

✿̺

)δijΞilδ
lkΞkj −

4(
✿̌

viDi
✿̺

)2

3(1 +
✿̺

)
− (1 +

✿̺

)δijΩkjΩilδ
lk +

✿̌

vi
✿̌

vkDkDi
✿̺

−
(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs
(1 +

✿̺

)ω+1

(1 + f)ω
δijDjDi

✿̺

−
6Kι

(6π)
1

3 t2

[ (1 +
✿̺

)ω

(1 + f)ω
− 1
]

(1 +
✿̺

)2 + 2
✿̌

vi∂tDi
✿̺

−
2(3 + 2ω)Kι

(6π)
1

3 t2

(1 +
✿̺

)ω+1

(1 + f)ω
X iDi

✿̺

=
κf0
1 + f

(1 +
✿̺

1 + f
f0 − ∂t

✿̺

)

. (2.25)

Proof. This result again can be proven by straightforward calculations by substituting (2.16)
into (2.19) (see Lemma 2.3). Firstly, by (2.16), direct calculations lead to

1

3
Θ2 =

f 2
0

3(1 + f)2
+

(∂t
✿̺

)2

3(1 +
✿̺

)2
+

(
✿̌

viDi
✿̺

)2

3(1 +
✿̺

)2
−

2f0
3(1 + f)

∂t
✿̺

1 +
✿̺

−
2f0

3(1 + f)
✿̌

viDi
✿̺

1 +
✿̺

+
2
✿̌

viDi
✿̺

∂t
✿̺

3(1 +
✿̺

)2
,

(2.26)

and

✿̌

vkDkΘ = − ✿̌

vkDk∂t
✿̺

1 +
✿̺

+ ✿̌

vkDk
✿̺

∂t
✿̺

(1 +
✿̺

)2
− ✿̌

vkDk
✿̌

viDi
✿̺

1 +
✿̺

− ✿̌

vi
✿̌

vkDkDi
✿̺

1 +
✿̺

+ ✿̌

vk
✿̌

viDk
✿̺

Di
✿̺

(1 +
✿̺

)2
. (2.27)

Next, let us calculate DtΘ. By using (1.15) to replace f ′′, we obtain

∂t

( f0
1 + f

)

=
f ′′

1 + f
−

f 2
0

(1 + f)2
=

1

1 + f

(

−
4

3t
f0 +

2

3t2
f(1 + f) +

4

3

f 2
0

(1 + f)

)

−
f 2
0

(1 + f)2

= −
4

3t

f0
1 + f

+
2

3t2
f +

1

3

f 2
0

(1 + f)2
.

By using (2.16) to replace Θ and substituting ∂t
✿̌

vk by the equation (2.10), we arrive at

∂tΘ =−
4

3t

f0
1 + f

+
2

3t2
f +

1

3

f 2
0

(1 + f)2
−

∂2
t
✿̺

1 +
✿̺

+
(∂t

✿̺

)2

(1 +
✿̺

)2
+
( 4

3t
−

2f0
3(1 + f)

+
κf0
1 + f

)
✿̌

viDi
✿̺

1 +
✿̺

+ ✿̌

vkDk
✿̌

viDi
✿̺

1 +
✿̺

+ (2 + ω)Kt−
4

3 δkjX
kXjρ̊

1

3 (1 + f)−ω(1 +
✿̺

)ω−1δilDl
✿̺

Di
✿̺

+ ✿̌

viDi
✿̺

∂t
✿̺

(1 +
✿̺

)2

+
2Kι(1 + f)

(6π)
1

3 t2

[(1 +
✿̺

1 + f

)1+ω

− 1
]X iDi

✿̺

1 +
✿̺

+ a−2(1 + f)
2

3

δilDl
✿

φ̌Di
✿̺

1 +
✿̺

− ✿̌

vi∂tDi
✿̺

1 +
✿̺

. (2.28)
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Then using (2.16), (2.26)–(2.27) and (2.28) to replace the corresponding terms in (2.19),
noting the cancellations of terms HṽiDi̺/(1+̺), a−1ṽkDkṽ

iDi̺/(1+̺) and Ka−1Di̺Di̺/(1+
̺)2, with straightforward computations, we arrive at

−
∂2
t
✿̺

1 +
✿̺

+
4(∂t

✿̺

)2

3(1 +
✿̺

)2
−

2f0
3(1 + f)

✿̌

viDi
✿̺

1 +
✿̺

+
(ω + 1)(2 + ω)Kι

(6π)
1

3 t2
δkjX

kXj
(1 +

✿̺

)ω−1

(1 + f)ω
δilDl

✿̺

Di
✿̺

+
2Kι(1 + f)

(6π)
1

3 t2

[(1 +
✿̺

1 + f

)1+ω

− 1
]X iDi

✿̺

1 +
✿̺

+ a−2(1 + f)
2

3

δilDl
✿

φ̌Di
✿̺

1 +
✿̺

−
2
✿̌

vi∂tDi
✿̺

1 +
✿̺

+
8
✿̌

viDi
✿̺

∂t
✿̺

3(1 +
✿̺

)2
−

4

3t

∂t
✿̺

1 +
✿̺

+ δijΞilδ
lkΞkj +

4(
✿̌

viDi
✿̺

)2

3(1 +
✿̺

)2
+ δijΩkjΩilδ

lk − ✿̌

vi
✿̌

vkDkDi
✿̺

1 +
✿̺

+
(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs
(1 +

✿̺

1 + f

)ω

δijDjDi
✿̺

+
6Kι

(6π)
1

3 t2

[

(1 + f)
(1 +

✿̺

1 + f

)1+ω

− 1
]

+
2ι3

3t2 ✿̺

+
2(3 + 2ω)Kι

(6π)
1

3 t2

(1 +
✿̺

1 + f

)ω

X iDi
✿̺

= −
κf0
1 + f

( f0
1 + f

−
∂t

✿̺

1 +
✿̺

)

. (2.29)

In the end, by using (1.17), we have an identity

2ι3

3t2 ✿̺

=
2(ι3 − 1)

3t2 ✿̺

+
2

3t2 ✿̺

= −
6Kι

(6π)
1

3 t2 ✿̺

+
2

3t2 ✿̺

.

With the help of this identity into (2.29), we conclude (2.25). �

2.2. Spherical symmetric formulations. If we confine ourselves to spherically symmetric
solutions, we can simplify the equation (2.25) and the Euler–Poisson system (2.9)–(2.11). In
this section, we rewrite the Euler–Poisson system (2.9)–(2.11) and (2.25) under the assumption
of spherical symmetry.

If we consider spherically symmetric solutions, the velocity field can be written in terms of
the rescaled speed ν as follows:

✿̌

vi(t, Xk) = Z(t)ν(t, R)X i i.e., ν(t, R) := Z−1(t)
✿̌

vi(t, Xk)Xi (2.30)

where we denote Z(t) := f0
3(1+f)

and R = |X| =
√

δijX iXj.

We remark in the following, we slightly abuse the notations of functions ν. We use ν to
represent ν(t, R) and ν(t, Xk) interchangeably to simplify the notations and it will be clear
from context which one we are using. This convention also applies to for Θ and ∂Rν.

Lemma 2.5. For the spherical symmetric solutions,
✿̺

and ν (defined by (2.30)) satisfy equa-
tions,

∂tν +
( 2

3t2
(1 + f)f

f0
−

f0
3(1 + f)

)

ν +
f0

3(1 + f)
νXjDjν +

f0
3(1 + f)

ν2

+
3(2 + ω)Kι

(6π)
1

3 t2

(1 + f)1−ω(1 +
✿̺

)ω

f0
Xkδ

klDl
✿̺

+
6Kι(1 + f)2

(6π)
1

3 t2f0

[(1 +
✿̺

1 + f

)1+ω

− 1
]

+
3a−2(1 + f)

5

3

f0

Xk

R2
δklDl

✿

φ̌ = −
κf0
1 + f

ν, (2.31)

and

∂2
t
✿̺

+
2f0

3(1 + f)
νX i∂tDi

✿̺

+
4

3t
∂t

✿̺

−
2

3t2 ✿̺

(1 +
✿̺

)−
4(∂t

✿̺

)2

3(1 +
✿̺

)
+

2f 2
0

9(1 + f)2
νX iDi

✿̺
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−
(ω + 1)(2 + ω)Kι

(6π)
1

3 t2
δkjX

kXj
(1 +

✿̺

)ω

(1 + f)ω
δilDl

✿̺

Di
✿̺

+
f 2
0

9(1 + f)2
ν2X iXkDkDi

✿̺

−
2Kι(1 + f)

(6π)
1

3 t2

[(1 +
✿̺

1 + f

)1+ω

− 1
]

X iDi
✿̺

− a−2(1 + f)
2

3 δilDlφ̌
✿

Di
✿̺

−
8f0νX

iDi
✿̺

∂t
✿̺

9(1 + f)(1 +
✿̺

)
−

2

3
(1 +

✿̺

)
(

Θ−
f0

(1 + f)
ν
)2

−
4f 2

0 ν
2(X iDi

✿̺

)2

27(1 + f)2(1 +
✿̺

)

−
(2 + ω)Kι

(6π)
1

3 t2
δrsX

rXs
(1 +

✿̺

)ω+1

(1 + f)ω
δijDjDi

✿̺

−
6Kι

(6π)
1

3 t2

[ (1 +
✿̺

)ω

(1 + f)ω
− 1
]

(1 +
✿̺

)2

−
2(3 + 2ω)Kι

(6π)
1

3 t2

(1 +
✿̺

)ω+1

(1 + f)ω
X iDi

✿̺

=
κf0
1 + f

(1 +
✿̺

1 + f
f0 − ∂t

✿̺

)

. (2.32)

Moreover, there is a crucial identity (an alternative form of the continuity equation),

Θ =
f0

1 + f
ν +

f0
3(1 + f)

X iDiν =
f0

1 + f
−

∂t
✿̺

1 +
✿̺

−
f0

3(1 + f)

νX iDi
✿̺

1 +
✿̺

. (2.33)

Proof. To prove (2.32), we need to calculate δijΞilδ
lkΞkj and δijΩkjΩilδ

lk and then substitute
them into (2.25). By (2.30), we have

Di
✿̌

v
j
= Z(t)νδij + Z(t)XjDiν (2.34)

We denote ∂R := ∂
∂R

, then

∂R

∂X i
=

δijX
j

R
⇒ X iDiν = R∂Rν and Diν =

Xi

R
∂Rν. (2.35)

Thus, by (2.17), (2.34) and (2.35), we obtain

Ωij =
1

2
Z(t)(XjDiν −XiDjν) =

1

2
Z(t)

(XjXi

R
∂Rν −

XiXj

R
∂Rν

)

= 0. (2.36)

To calculate δijΞilδ
lkΞkj, by (2.17), we note

δijΞilδ
lkΞkj = δijΘilδ

lkΘkj −
1

3
Θ2. (2.37)

Hence, we calculate δijΘilδ
lkΘkj (by (2.17)) and Θ (by (2.14)), with the help of (2.34):

Θ =δijDi
✿̌

v
j
= 3Z(t)ν + Z(t)

δijXiXj

R
∂Rν = 3Z(t)ν + Z(t)R∂Rν (2.38)

and

δijΘilδ
lkΘkj =

1

2
δijDi

✿̌

v
l
δlk(Dj

✿̌

v
k
+Dk

✿̌

v
j
)

=Z2(t)δij
(

νδil +
XlXi

R
∂Rν

)

δlk
(

νδjk +
XjXk

R
∂Rν

)

=Z2(t)
(
3ν2 + 2νR∂Rν +R2(∂Rν)

2
)

by (2.38)
= 3Z2(t)ν2 + 2νZ(t)(Θ− 3Z(t)ν) + (Θ− 3Z(t)ν)2

=Θ2 − 4Z(t)νΘ + 6Z2(t)ν2. (2.39)
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Then by putting (2.38) and (2.39) into (2.37), we arrive at

δijΞilδ
lkΞkj =

2

3
Θ2 − 4Z(t)νΘ + 6Z2(t)ν2 =

2

3

(
Θ− 3Z(t)ν

)2
=

2

3

(

Θ−
f0

(1 + f)
ν
)2

. (2.40)

Substituting (2.30), (2.36) and (2.40) to (2.25), we conclude (2.32), and combining (2.35),
(2.38) and (2.16) yields (2.33).

In the end, let us calculate (2.31). Substituting (2.30) into (2.10), with the help of (1.15) to
replace f ′′, we arrive at

Xk∂tν +
2

3t2
(1 + f)f

f0
Xkν −

f0
3(1 + f)

Xkν +
f0

3(1 + f)
νXkXjDjν

+
f0

3(1 + f)
ν2Xk + 3(2 + ω)Kt−

4

3 δijX
iXjρ̊

1

3

(1 + f)1−ω(1 +
✿̺

)ω

f0
δklDl

✿̺

+
6Kι(1 + f)2

(6π)
1

3 t2f0
Xk
[(1 +

✿̺

1 + f

)1+ω

− 1
]

+
3a−2(1 + f)

5

3

f0
δklDl

✿

φ̌ = −
κf0
1 + f

νXk.

Multiplying Xk/R
2 on the both sides of the above equation, we can conclude (2.31), which

completes the proof. �

The next step is to rewrite Lemma 2.5 in terms of the spherical coordinate which is given in
Appendix A.2. Since all the variables are spherical symmetric, let us transform (

✿̺

,
✿̌

vi,
✿

φ̌) from

the coordinate {t, X i} to the spherical coordinate {t, R, θ, ϕ} and denote

ˆ̺(t, R) :=
✿̺

(t, Xk), v̂(t, R) :=
δijX

j

R ✿̌

vi(t, Xk) and φ̂(t, R) :=
✿

φ̌(t, Xk), (2.41)

and, by (2.30) and (2.41), we have

✿̌

vi(t, Xk) =
X i

R
v̂(t, R) and ν(t, R) =

3(1 + f(t))

f0(t)R
v̂(t, R). (2.42)

Direct computations, by (2.14), imply the expansion can be represented by

Θ =
1

R2
∂R(R

2v̂) = ∂Rv̂ +
2

R
v̂.

Under spherical coordinate (A.1), Lemma 2.5 becomes:

Lemma 2.6. Under spherical coordinate (A.1), the spherical symmetric solutions (ˆ̺, ν) satisfy
equations

∂2
t ˆ̺+

2f0
3(1 + f)

νR∂R∂t ˆ̺ +
4

3t
∂t ˆ̺−

2

3t2
ˆ̺(1 + ˆ̺)−

4(∂t ˆ̺)
2

3(1 + ˆ̺)
+

2f 2
0

9(1 + f)2
νR∂R ˆ̺

−
(ω + 1)(2 + ω)Kι

(6π)
1

3 t2
(1 + ˆ̺)ω

(1 + f)ω
(R∂R ˆ̺)

2 +
f 2
0

9(1 + f)2
ν2R2∂2

R ˆ̺−
4f 2

0 ν
2(R∂R ˆ̺)

2

27(1 + f)2(1 + ˆ̺)

−
2Kι(1 + f)

(6π)
1

3 t2

[(1 + ˆ̺

1 + f

)1+ω

− 1
]

R∂R ˆ̺−
2ι3

3t2R2
∂R ˆ̺

∫ R

0

(ˆ̺(t, y)− f(t))y2dy

−
8f0νR∂R ˆ̺∂t ˆ̺

9(1 + f)(1 + ˆ̺)
−

2

3
(1 + ˆ̺)

( f0
1 + f

−
∂t ˆ̺

1 + ˆ̺
−

f0
3(1 + f)

νR∂R ˆ̺

1 + ˆ̺
−

f0
(1 + f)

ν
)2

−
(2 + ω)Kι

(6π)
1

3 t2
(1 + ˆ̺)ω+1

(1 + f)ω
R2∂2

R ˆ̺−
2(2 + ω)Kι

(6π)
1

3 t2
(1 + ˆ̺)ω+1

(1 + f)ω
R∂R ˆ̺
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−
6Kι

(6π)
1

3 t2

[ (1 + ˆ̺)ω

(1 + f)ω
− 1
]

(1 + ˆ̺)2 −
2(3 + 2ω)Kι

(6π)
1

3 t2
(1 + ˆ̺)ω+1

(1 + f)ω
R∂R ˆ̺

=
κf0
1 + f

(1 + ˆ̺

1 + f
f0 − ∂t ˆ̺

)

. (2.43)

and

∂tν +
( 2

3t2
(1 + f)f

f0
−

f0
3(1 + f)

)

ν +
f0

3(1 + f)
νR∂Rν +

f0
3(1 + f)

ν2

+
3(2 + ω)Kι

(6π)
1

3 t2
(1 + f)1−ω(1 + ˆ̺)ω

f0
R∂R ˆ̺ +

6Kι(1 + f)2

(6π)
1

3 t2f0

[(1 + ˆ̺

1 + f

)1+ω

− 1
]

+
2ι3(1 + f)

t2f0R3

∫ R

0

(ˆ̺(t, y)− f(t))y2dy = −
κf0
1 + f

ν, (2.44)

Moreover, there is a crucial identity (an alternative form of the continuity equation),

Θ =
f0

1 + f
−

∂t ˆ̺

1 + ˆ̺
−

f0
3(1 + f)

νR∂R ˆ̺

1 + ˆ̺
=

f0
1 + f

ν +
f0

3(1 + f)
R∂Rν (2.45)

Proof. This proof again relies on straightforward calculations, and we still only point out some
key steps but leave the rest to the readers. We note in the spherical coordinate, using Appendix
A.2 and in view of the spherical symmetric solution,

✿̌

vi∂tDi
✿̺

becomes f0
3(1+f)

Rν∂R∂t ˆ̺, δ
ijDiDj

✿̺

becomes 1
R2∂R(R

2∂R ˆ̺),
✿̌

vk
✿̌

viDkDi
✿̺

becomes
f2
0

9(1+f)2
ν2R2∂2

R ˆ̺ and X iXkDkDi
✿̺

becomes R2∂2
R ˆ̺.

If we note that using the Poisson equation (2.11), Dl
✿

φ̌ can be explicitly expressed by the follow-

ing (2.47), then we are able to use these to rewrite (2.31)–(2.33) to (2.43)–(2.45), respectively.
Now let us express Dl

✿

φ̌ by solving the Poisson equation (2.11). In terms of the spherical
coordinate, the Poisson equation (2.11) becomes

∂R(R
2∂Rφ̂) =

2ι3

3t
2

3

(1 + f)−
2

3 (ˆ̺− f)R2. (2.46)

Then integrating (2.46) yields

∂Rφ̂ =
2ι3(1 + f)−

2

3

3t
2

3R2

∫ R

0

(ˆ̺(t, y)− f(t))y2dy. (2.47)

It completes the proof. �

2.3. Log-periodic formulations. Since we only consider the t-log-periodic solutions (as de-
fined in Definition 1.1) in this article, we need to introduce the logarithmic coordinate by using
the following transformation for simplicity:

R ∋ ζ := lnR i.e., R = eζ where R ∈ (0,∞). (2.48)

We remark that we will slightly abuse the notation for the functions ˆ̺ and ν in the following
discussion. Specifically, we will use ν to refer to both ν(t, R) and ν(t, ζ) interchangeably in
order to simplify the notation. It will be clear from the context which one we are referring to.
This convention also applies to ˆ̺ and its derivatives.

Then the direct calculations yield

∂ζ =
dR

dζ
∂R = R∂R, (2.49)
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1

R3

∫ R

0

(ˆ̺(t, y)− f(t))y2dy =
1

e3ζ

∫ ζ

−∞

(ˆ̺(t, z)− f(t))e3zdz, (2.50)

R2∂2
R ˆ̺ = R∂R(R∂R ˆ̺)−R∂R ˆ̺ = ∂2

ζ ˆ̺− ∂ζ ˆ̺. (2.51)

By using these basic identities, we obtain the following system where (2.52) resembles the
model equation presented in [14, eq. (1.1)]. However, we would like to emphasize that the
remaining terms F1 and gζζ are more complex when compared to the corresponding terms
in [14, eq. (1.1)].

Lemma 2.7. The spherical symmetric solutions (ˆ̺, ν) of the Euler–Poisson system satisfy

2g ˆ̺+
( 4

3t
+

κf0
1 + f

)

∂t ˆ̺−
2

3t2
ˆ̺(1 + ˆ̺)−

4(∂t ˆ̺)
2

3(1 + ˆ̺)
=F1, (2.52)

∂tν +
f0

3(1 + f)
ν∂ζν =G1, (2.53)

where the wave operator is

2g := ∂2
t − gζζ∂2

ζ + 2g0ζ∂ζ∂t, (2.54)

gζζ :=
(2 + ω)(1− ι3)

9t2
(1 + ˆ̺)ω+1

(1 + f)ω
−

f 2
0

9(1 + f)2
ν2, g0ζ :=

f0
3(1 + f)

ν, (2.55)

and the remainders are

F1 :=−
2f 2

0

9(1 + f)2
ν∂ζ ˆ̺ +

(ω + 1)(2 + ω)(1− ι3)

9t2
(1 + ˆ̺)ω

(1 + f)ω
(∂ζ ˆ̺)

2 +
f 2
0

9(1 + f)2
ν2∂ζ ˆ̺

+
2(1− ι3)(1 + f)

9t2

[(1 + ˆ̺

1 + f

)1+ω

− 1
]

∂ζ ˆ̺+
2ι3f

3t2
∂ζ ˆ̺Ψ +

4f 2
0 ν

2(∂ζ ˆ̺)
2

27(1 + f)2(1 + ˆ̺)

+
8f0ν∂ζ ˆ̺∂t ˆ̺

9(1 + f)(1 + ˆ̺)
+

2

3
(1 + ˆ̺)

( f0
1 + f

−
∂t ˆ̺

1 + ˆ̺
−

f0
3(1 + f)

ν∂ζ ˆ̺

1 + ˆ̺
−

f0
(1 + f)

ν
)2

+
2(1− ι3)

3t2

[ (1 + ˆ̺)ω

(1 + f)ω
− 1
]

(1 + ˆ̺)2 +
(8 + 5ω)(1− ι3)(1 + ˆ̺)ω+1

9t2(1 + f)ω
∂ζ ˆ̺ +

κf 2
0 (1 + ˆ̺)

(1 + f)2
,

(2.56)

G1 :=−
2(1 + f)f

3t2f0
ν +

(1

3
− κ
) f0
1 + f

ν −
f0

3(1 + f)
ν2 −

(2 + ω)(1− ι3)(1 + f)1−ω(1 + ˆ̺)ω

3t2f0
∂ζ ˆ̺

−
2(1− ι3)(1 + f)2

3t2f0

[(1 + ˆ̺

1 + f

)1+ω

− 1
]

−
2ι3(1 + f)f

t2f0
Ψ, (2.57)

Ψ :=Ψ(t, ζ) =
1

f(t)e3ζ

∫ ζ

−∞

[ ˆ̺(t, z) − f(t)]e3zdz. (2.58)

Moreover, the initial data (1.6) becomes

ˆ̺|t=1(ζ) = βd
(
(1 + β)−

1

3 exp(ζ)
)

and ν|t=1(ζ) = 1 + v
(
(1 + β)−

1

3 exp(ζ)
)
. (2.59)

In addition, the continuity equation (2.45) becomes

Θ =
f0

1 + f
−

∂t ˆ̺

1 + ˆ̺
−

f0
3(1 + f)

ν∂ζ ˆ̺

1 + ˆ̺
=

f0
1 + f

ν +
f0

3(1 + f)
∂ζν (2.60)
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Proof. The proof still relies on straightforward computations with the help of Lemma 2.6 and
(2.49)–(2.51). The key point is to use identity (1.17) to replace terms Kι/(6π)

1

3 , i.e.,

Kι

(6π)
1

3

=
1

9
(1− ι3).

The data can be directly derived with regular computations by using (1.6), (1.8), (1.11), (1.16),
(1.33), (2.1), (2.41)–(2.42) and (2.48). We omit the details but leave them to the readers. �

Remark 2.2. 2g is a nonlinear wave operator since gζζ is positive if we consider a small
enough perturbation of the solution (1.13)–(1.14). In fact, by later (3.10) to define χ(t) and
using (3.43), we can prove

f 2
0

(1 + f)2
=

fχ

Bt2
⇒ gζζ =

[

(2 + ω)(1− ι3)

(
1 + ˆ̺

1 + f

)1+ω

−
ν2

B

fχ

1 + f

]
1 + f

9t2
.

This wave operator will also be clear later in the Fuchsian formulations.

2.4. Periodicity of solutions and log-periodicity of the gravity Ψ. In this section, let
us prove if ( ˆ̺(t, ζ), ν(t, ζ)) solves (2.52)–(2.53) with the periodic data (2.59) and if the solution
is unique, then (ˆ̺(t, ζ), ν(t, ζ)) must be a periodic solution. Consequently, given the periodicity
of the solution, we can modulo the integers Z from R. That is, we can transform the domain
from R to a torus T = R/Z by a quotient of R under integer shifts. Additionally, we introduce
a lemma that addresses the periodicity of the function Ψ as defined in (2.58).

Lemma 2.8. Suppose ˆ̺(t, ζ) is a periodic function with the period 1, i.e.,

ˆ̺(t, ζ + n) = ˆ̺(t, ζ), for any n ∈ Z. (2.61)

and Ψ(t, ζ) is defined by (2.58). Then Ψ(t, ζ) is also a periodic function with the period 1, i.e.,

Ψ(t, ζ + n) = Ψ(t, ζ), for any n ∈ Z.

Proof. Let z̄ = z − n, by (2.58), we calculate

Ψ(t, ζ + n) =
1

fe3ζe3n

∫ ζ+n

−∞

[ ˆ̺(t, z)− f(t)]e3zdz =
1

fe3ζ

∫ ζ

−∞

[ ˆ̺(t, z̄ + n)− f(t)]e3z̄dz̄. (2.62)

Further, using the periodicity of ˆ̺ (2.61), we arrive at

Ψ(t, ζ + n) =
1

fe3ζ

∫ ζ

−∞

[ ˆ̺(t, z̄)− f(t)]e3z̄dz̄ = Ψ(t, ζ).

It completes the proof of this lemma. �

Now we can present the periodicity of solutions which is guaranteed by the uniqueness of the
solution.

Proposition 2.9. Suppose (ˆ̺(t, ζ), ν(t, ζ)) solves (2.52)–(2.53) with the data (2.59) where d

and v are both 1-log-periodic as the assumption (A2) (see §1.3), and assume the solution is
unique, then (ˆ̺(t, ζ), ν(t, ζ)) is a periodic solution satisfying

(ˆ̺(t, ζ), ν(t, ζ)) = (ˆ̺(t, ζ + n), ν(t, ζ + n)), for any n ∈ Z. (2.63)

Proof. Step 1 (periodic data): Since (ˆ̺(t, ζ), ν(t, ζ)) satisfies (2.59), by assumption (A2) (see

§1.3) and Definition 1.1, we then have, for any n ∈ Z,

ˆ̺|t=1(ζ) =βd
(
(1 + β)−

1

3 exp(ζ)
)
= βd

(
(1 + β)−

1

3 exp(ζ + n)
)
= ˆ̺|t=1(ζ + n),
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ν|t=1(ζ) =1 + v
(
(1 + β)−

1

3 exp(ζ)
)
= 1 + v

(
(1 + β)−

1

3 exp(ζ + n)
)
= ν|t=1(ζ + n).

This means the data functions ˆ̺|t=1(ζ) and ν|t=1(ζ) are periodic.
Step 2 (translational invariance): We only need to substitute (ˆ̺(t, ζ + n), ν(t, ζ + n)) into

(2.52)–(2.53) to verify these equations still hold. By letting ζ̄ = ζ + n, noting ∂ζ = ∂ζ̄ (since

dζ̄/dζ = 1) and with the help of (2.62), i.e.,

1

fe3ζ

∫ ζ

−∞

[ ˆ̺(t, z̄ + n)− f(t)]e3z̄dz̄ = Ψ(t, ζ̄),

direct calculations lead to (2.52)–(2.53) in terms of the new variable ζ̄ . Then the obtained
equations are exactly (2.52)–(2.53) with ζ̄ replacing ζ . This means (ˆ̺(t, ζ + n), ν(t, ζ + n)), for
all n ∈ Z, are also solutions to (2.52)–(2.53) with the same data (see Step 1). Therefore, the
uniqueness of the solution concludes (2.63), which completes this proposition. �

3. Fuchsian formulations and proof of Main Theorem

In [14], we successfully transformed a second-order hyperbolic equation (similar to (2.52))
into a Fuchsian system and then applied the global theorem for Fuchsian systems to study the
stable blowups of the solutions. In this article, we aim to use a similar approach, however,
the complexities of the remaining terms F1 and the nonlinear term gζζ (see (2.55) and (2.56))
require further investigation before reaching a Fuchsian system. Despite this challenge, we still
endeavor to transform (2.52)–(2.53) into a Fuchsian formulation, since it has proven advanta-
geous for long-term nonlinear analysis. As always, our goal is to provide a more comprehensive
understanding of the behavior of the solutions to this problem.

In order to achieve this, two questions arise, recalling (Q2) and (Q3) in §1.5. That is, how
to define the Fuchsian fields and the compactified time since the Fuchsian system has a time
singularity at τ = 0 which implies we have to transform the blowup time to the singular time
τ = 0. In order to take advantage of the reference solution (1.13)–(1.14) which involve a crucial
function f(t) with a blowup time t = tm, we still try to use the compactified time introduced
by [14] which is given, in this setting, by

τ := −g(t) =− exp
(

−A

∫ t

1

f(s)(f(s) + 1)

s2f0(s)
ds
)

(⋆)
= −

(

1 +
2

3
B

∫ t

1

s−
2

3f(s)(1 + f(s))−
1

3ds
)− 3A

2

∈ [−1, 0), (3.1)

where B := (1 + β)
1

3/(3γ) > 0 is a constant depending on the data (recall β and γ given
by (1.16)), f(t) is given by the solution to (1.15)–(1.16), g(t) is a function defined by (1.30)
(equivalently, by (B.6)) and A ∈ (0, 2) is an arbitrary constant.

Remark 3.1. Let us remark on some facts from [14] about this compactified time:

(T1) Note (⋆) in (3.1) holds due to Lemma B.2 in Appendix B.2 (see [14, Lemma 2.1] for the
detailed proof).

(T2) This time transform τ maps the initial time t = 1 to τ = −1 and the maximal time of
existence t = tm to τ = 0 due to Lemma B.3.

In the following, in order to use calculations and results in [14], we start with the variables
therein.
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3.1. Pre-Fuchsian system. The transforms and calculations presented in this section are
similar to those in [14, §3.1–§3.2], with more involved computations. For that reason, we will
not go into the details of the calculations here; readers can refer to [14] for more information.
Assuming f(t) solves equation (1.15)-(1.16), we denote:

w(t, ζ) := ˆ̺(t, ζ)− f(t), (3.2)

w0(t, ζ) := ∂tw(t, ζ) = ∂t ˆ̺(t, ζ)− f0(t), (3.3)

wζ(t, ζ) := ∂ζw(t, ζ) = ∂ζ ˆ̺(t, ζ). (3.4)

In terms of these variables, we have

Lemma 3.1. If (ˆ̺, ν) solves (2.52)–(2.53) and (w,w0, wζ) is defined by (3.2)–(3.4), then (2.52)
becomes

∂tw0 + 2g0ζ∂ζw0 − gζζ∂ζwζ =
(8

3
− κ
) f0w0

1 + f
−

4

3t
w0 −

4f 2
0w

3(1 + f)2
+

2w

3t2
+

κf 2
0w

(1 + f)2
+

4fw

3t2

+
2ω(1− ι3)(1 + f)

3t2
w +

(8 + 5ω)(1− ι3)(1 + f)

9t2
wζ +Q1, (3.5)

∂twζ =∂ζw0, (3.6)

∂tw =w0. (3.7)

where

Q1 :=−
2f 2

0

9(1 + f)2
νwζ +

(ω + 1)(2 + ω)(1− ι3)

9t2
(1 + f + w)ω

(1 + f)ω
w2

ζ +
f 2
0

9(1 + f)2
ν2wζ

+
2(1− ι3)(1 + f)

9t2

[(

1 +
w

1 + f

)1+ω

− 1
]

︸ ︷︷ ︸

=O(w)

wζ +
2ι3f

3t2
wζΨ+

4f 2
0 ν

2w2
ζ

27(1 + f)2(1 + f + w)

+
8f0νwζ(f0 + w0)

9(1 + f)(1 + f + w)
+

(8 + 5ω)(1− ι3)(1 + f)

9t2

[(

1 +
w

1 + f

)ω+1

− 1
]

︸ ︷︷ ︸

=O(w)

wζ

+
2

3
(1 + f + w)

( f0w

(1 + f)(1 + f + w)
−

w0

1 + f + w
−

f0
3(1 + f)

νwζ

1 + f + w
−

f0
(1 + f)

ν
)2

+
2(1− ι3)(1 + f)2

3t2

[(

1 +
w

1 + f

)ω+2(

1−
(

1 +
w

1 + f

)−ω)

− ω
w

1 + f

]

︸ ︷︷ ︸

=O(w2)

+
2

3t2
w2 +

4

3(1 + w + f)
w2

0 −
8f0w0w

3(1 + f + w)(1 + f)
+

4f 2
0w

2

3(1 + f + w)(1 + f)2
.

Proof. The proof is direct computations from (2.52) by substituting these new variables (3.2)–
(3.4) into (2.52) and using the equation (1.15) of f . Then with direct calculations from (3.3)
and (3.4), we obtain (3.6)–(3.7). �

Next, as [14], we introduce

u(t, ζ) =
1

f(t)
w(t, ζ), u0(t, ζ) =

1

f0(t)
w0(t, ζ) and uζ(t, ζ) =

c

1 + f(t)
wζ(t, ζ). (3.8)

where c is a constant to be determined. Recall the notation conventions (1.35) in §1.7. As a
reminder, we use u to denote u in the compactified time coordinate τ . We will frequently use
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this notation in the following. For instance, we shall denote:

u(τ, ζ) = u(g−1(−τ), ζ), u0(τ, ζ) = u0(g
−1(−τ), ξ) and uζ(τ, ζ) = uζ(g

−1(−τ), ζ). (3.9)

We define two useful quantities χ and ξ (see Appendix B.2, or [14, §2.5], for their detailed
properties) by

χ(t) :=
t
2

3 f0(t)

(1 + f(t))
2

3f(t)g
2

3A (t)

(⋆)
=

g−
4

3A (t)t−
2

3

Bf(t)(1 + f(t))−
2

3

> 0 and ξ(t) :=
1

g(t)(1 + f(t))
. (3.10)

where (⋆) holds due to the relation (3.17) given in the following (see [14] for details). Then
Lemma 3.1 can be further transformed to the following pre-Fuchsian system.

Lemma 3.2. If (ˆ̺, ν) solves (2.52)–(2.53) and (u0, uζ , u) is defined by (3.9). In terms of the
τ -coordinate, (2.52) becomes

∂τu0 −
2

3ABτ
χν∂ζu0 +

1

Aτ

( 1

36c
+

1

36cf
+ cZ0

)

∂ζuζ =
1

Aτ

(

4κ−
14

3
+
(
κ−

4

3

)
B−1G

)

u0

−
(8 + 5ω)(1− ι3)

9cAτ
uζ +

1

Aτ

(

4− 4κ +
(4

3
− κ
)
B−1G−

2ω(1− ι3)

3

)

u

−
1

A
ξ
(

4κ−
14

3
+
(
κ−

4

3

)
B−1G

)

u+
(8 + 5ω)(1− ι3)

9cA
ξ
(

1 +
1

f

)

uζ + F2, (3.11)

1

4 +B−1G

( 1

36c2
+

1

36c2f
+ Z0

)

∂τuζ +
1

Aτ

( 1

36c
+

1

36cf
+ cZ0

)

∂ζu0

=
1

Aτ

( 1

36c2
+ Z0

)

uζ −
1

36c2A
ξ
(

1 +
1

f

)

uζ (3.12)

and

∂τu = −
1

Aτ
(4 +B−1G)u0 +

1

Aτ
(4 +B−1G)u

+
1

A
ξ
(

1 +
1

f

)

(4 +B−1G)u0 −
1

A
ξ
(

1 +
1

f

)

(4 +B−1G)u, (3.13)

where

Z0 =Z0(τ, u, ν) :=
1

36c2

(

1 +
1

f

) [(

1 +
fu

1 + f

)1+ω

− 1
]

︸ ︷︷ ︸

=O(u)

−
(4 +B−1G)

9c2
ν2 (3.14)

and

F2 :=−
2χ

9ABg
c−1νuζ +

χ

9ABg
c−1ν2uζ +

5(ω + 2)(1− ι3)(1 + f)

9cAfg

[(

1 +
fu

1 + f

)1+ω

− 1
]

︸ ︷︷ ︸

=O(u)

uζ

+
(ω + 1)(2 + ω)(1− ι3)

9Afg

(

1 +
fu

1 + f

)ω

c−2(1 + f)u2
ζ

+
2ι3

3Ag
c−1uζΨ+

4χc−2ν2u2
ζ

27ABg(1 + f
1+f

u)
+

8χc−1νuζ(1 + u0)

9ABg(1 + f
1+f

u)

+
2χ

3ABg

(

1 +
fu

1 + f

)( fu

(1 + f)(1 + fu
1+f

)
−

u0

1 + fu
1+f

−
1

3

νc−1uζ

1 + fu
1+f

− ν
)2
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+
2(1− ι3)(1 + f)

3Afg

[(

1 +
fu

1 + f

)ω+2(

1−
(

1 +
fu

1 + f

)−ω)

− ω
fu

1 + f

]

︸ ︷︷ ︸

=O(u2)

+
2

3A(1 + f)g
fu2 +

4χ

3ABg(1 + fu
1+f

)

(

u0 −
fu

1 + f

)2

. (3.15)

Proof. This proof relies on lengthy and tedious calculations which is similar to [14, §3.2]. We
omit the details but point out a few crucial identities used in this proof. Under this time
transform (3.1), using (B.7), we arrive at

∂τuµ = −[g′(t)]−1∂tuµ =
t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

∂tuµ, (µ = 0, ζ). (3.16)

In the calculations, note we can use the ODE (1.15) of f to replace f ′′ and use the identity
from Lemma B.2 in Appendix B.2.1,

f0(t) = B−1t−
4

3 g−
2

3A (t)(1 + f(t))
4

3 > 0 (3.17)

to replace f0 properly. Then, with the help of Proposition B.4 and the definition (B.11) of ξ,
there is a function G ∈ C1([t0, tm)), such that for t ∈ [t0, tm), we have identities

χ(t)

B
= 4 +

G(t)

B
> 0 and

1

fg
= ξ
(

1 +
1

f

)

. (3.18)

Using the above identities, we are able to conclude this lemma by following similar computations
in [14, §3.2]. �

The next lemma gives the equation of the velocity ν in terms of the compactified time τ .

Lemma 3.3. If (ˆ̺, ν) solves (2.52)–(2.53), then in terms of the τ -coordinate, (2.53) becomes

∂τν −
1

3Aτ
(4 +B−1G)ν∂ζν =

1

Aτ

(

4κ−
2

3
+
(
κ−

1

3

)
B−1G

)

ν +
1

3Aτ
(4 +B−1G)ν2 +

2ι3

Aτ
Ψ

−
(2 + ω)(1− ι3)

3cA
ξ
(

1 +
1

f

)(

1 +
fu

1 + f

)ω

uζ +
(2 + ω)(1− ι3)

3cAτ

(

1 +
fu

1 + f

)ω

uζ

+
2(1− ι3)(1 + f)

3Aτf

[(

1 +
fu

1 + f

)1+ω

− 1−
(1 + ω)fu

1 + f

]

︸ ︷︷ ︸

O(u2)

+
2(1 + ω)(1− ι3)u

3Aτ
. (3.19)

Proof. Multiplying (2.53) by t
2
3 (1+f)

1
3

ABg
2
3A

+1f
, we obtain

t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

∂tν +
t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

f0
3(1 + f)

ν∂ζν =
t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

G1.

By using similar identities (3.16) for ν, (3.17) and the definition of χ(t) (3.10), we obtain

∂τν −
χ

3ABτ
ν∂ζν =

t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

G1.

Noting by (2.58), (3.2) and (3.8), we express Ψ in term of u,

Ψ(t, ζ) =
1

e3ζ

∫ ζ

−∞

u(t, z)e3zdz. (3.20)
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Substituting G1 by (2.57) into the above equation with direct calculations yields (3.19), which
completes the proof. �

3.2. Reformulation of continuity equation and evolutional gravity term Ψ. In F1

of (3.11) and (3.19), there exist singular terms like Ψ/τ in the remainders which cannot be
easily eliminated. To obtain a complete Fuchsian system, we propose to treat Ψ as a new
Fuchsian field. Accordingly, we need to construct a singular evolution equation for Ψ based
on the continuity equation (2.60) and supplement it to the Fuchsian system. As a crucial
bridge connecting the velocity, the density, and their derivatives, we first rewrite the continuity
equation (2.60) to prepare for this task.

Lemma 3.4. The continuity equation (2.60), in terms of (u0, uζ, u) becomes

3fu

1 + f + fu
−

3u0

1 + fu
1+f

−
c−1νuζ

1 + fu
1+f

= ∂ζν + 3ν. (3.21)

Moreover, we also use the following two expressions of (3.21) in the following,

∂ζν = −3u0 + 3u− 3ν −
3u

1 + f
+ 3
(

u0 −
fu

1 + f

)(

1−
1

1 + fu
1+f

)

−
c−1νuζ

1 + fu
1+f

(3.22)

and
1

3
∂ζ

[(
1 +

fu

1 + f

)
ν
]

+
(

1 +
fu

1 + f

)

ν =
fu

1 + f
− u0. (3.23)

Proof. By inserting (3.2)–(3.4) and (3.8) into (2.60), direct calculations yield (3.21) and (3.22).
Let us prove (3.23). Using (3.2)–(3.4) and (3.8), we obtain

uζ =
cf

1 + f
∂ζu. (3.24)

Inserting (3.24) into (3.21) implies (3.23), which completes the proof. �

Lemma 3.5. Suppose Ψ is defined by (2.58) and further given by (3.20) in terms of u and u
is given by (3.8). Then Ψ satisfies an equation,

∂τΨ =
1

3Aτ
(4 +B−1G)

(

1 +
fu

1 + f

)

ν −
χξ

3AB

(

1 +
1

f

)(

1 +
fu

1 + f

)

ν −
χξ

AB

(

1 +
1

f

)

Ψ. (3.25)

Moreover, we also have a useful equation

∂ζΨ = u− 3Ψ. (3.26)

Proof. First, with the help of (3.8), we have

∂tu =
f0
f
(u0 − u). (3.27)

Differentiating e3ζΨ with respect to t and using (3.27), we obtain

∂t(e
3ζΨ) =

∫ ζ

−∞

∂tu(t, z)e
3zdz =

∫ ζ

−∞

f0(t)

f(t)

(
u0(t, z)− u(t, z)

)
e3zdz. (3.28)

Inserting (3.23) into (3.28), we obtain

∂t(e
3ζΨ) =−

∫ ζ

−∞

f0u

f(1 + f)
e3zdz −

f0
3f

∫ ζ

−∞

3
(

1 +
fu

1 + f

)

νe3z + ∂z

[(

1 +
fu

1 + f

)

ν
]

e3zdz
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=−

∫ ζ

−∞

f0u

f(1 + f)
e3zdz −

f0
3f

∫ ζ

−∞

∂z

[(

1 +
fu

1 + f

)

νe3z
]

dz

=−
f0

f(1 + f)

∫ ζ

−∞

u(t, z)e3zdz −
f0
3f

(

1 +
fu

1 + f

)

νe3ζ

=−
f0

f(1 + f)
e3ζΨ(t, ξ)−

f0
3f

(

1 +
fu

1 + f

)

νe3ζ .

Then this implies

∂tΨ = −
f0

f(1 + f)
Ψ−

f0
3f

(

1 +
fu

1 + f

)

ν.

Transforming the time derivative ∂t to be ∂τ which is similar to (3.16), we have

t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

∂tΨ = −
t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

f0
f(1 + f)

Ψ−
t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

f0
3f

(

1 +
fu

1 + f

)

ν,

which leads to, with the help of (3.1), (3.17) and the definition (3.10) of χ(t),

∂τΨ = −
χ

ABgf
Ψ−

χ

3ABg

1 + f

f

(

1 +
fu

1 + f

)

ν,

which further yields (3.25) by using (3.18). Then differentiating (3.20) with respect to ζ con-
cludes (3.26). We finish the proof. �

3.3. The Fuchsian system. It turns out the equations in Lemma 3.2–3.3 and Lemma 3.5 can
not directly form a Fuchsian system given in Appendix B.3. We first need to use identities
(3.21) and (3.26) to rewrite (3.19) and (3.25), and this is given by the following lemma.

Lemma 3.6. If (ˆ̺, ν) solves (2.52)–(2.53), then (3.19) and (3.25) can be rewritten as

∂τν =
2(1 + ω)(1− ι3)u

3Aτ
+

1

Aτ

(

4κ−
2

3
+
(
κ−

1

3

)
B−1G

)

ν +
2ι3

Aτ
Ψ+

(2 + ω)(1− ι3)

3cAτ
uζ

−
(2 + ω)(1− ι3)

3cA
ξ
(

1 +
1

f

)(

1 +
fu

1 + f

)ω

uζ +
(2 + ω)(1− ι3)

3cAτ

[(

1 +
fu

1 + f

)ω

− 1
]

uζ

+
2(1− ι3)(1 + f)

3Aτf

[(

1 +
fu

1 + f

)1+ω

− 1−
(1 + ω)fu

1 + f

]

︸ ︷︷ ︸

O(u2)

+
1

3Aτ
(4 +B−1G)ν2

+
1

3Aτ
(4 +B−1G)ν

( 3fu

1 + f + fu
−

3u0

1 + fu
1+f

−
c−1νuζ

1 + fu
1+f

− 3ν
)

(3.29)

and

∂τΨ−
α

ABτ
∂ζΨ =−

α

ABτ
u+

3α

ABτ
Ψ+

1

3Aτ
(4 +B−1G)

(

1 +
fu

1 + f

)

ν

−
χ

3AB
ξ
(

1 +
1

f

)(

1 +
fu

1 + f

)

ν −
χ

AB
ξ
(

1 +
1

f

)

Ψ. (3.30)

Proof. By direct calculations, (3.19), (3.21) and (3.22) yield (3.29), while (3.25) and (3.26)
imply (3.30). �
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Now we are in the position to give the complete Fuchsian system. Letting the Fuchsian field
U := (u0, uζ, u, ν,Ψ)T and selecting the parameters

κ :=
7

6
+ λ, c :=

1

5
, q := λ+

1

30
(3− 8ι3)

(

>
7

150

)

and α =
(3ι3 + 2)2B

6(10λ+ ι3 + 9)
. (3.31)

for any constant λ > 0 and ι3 ∈ (0, 1/5], with the help of ω = −8/5 (recalling (1.19)), the
equations (3.11)–(3.13) and (3.29)–(3.30) become

B0∂τU + Bζ∂ζU =
1

τ
BPU +H+ (−τ)−

1

2F, (3.32)

where P = I,

B0 :=









1 0 0 0 0
0 1

4+B−1G

(
25
36

+ 25
36f

+ Z0

)
0 0 0

0 0 λ+ 1
30
(3− 8ι3) 0 0

0 0 0 1 0
0 0 0 0 1









, (3.33)

Bζ :=
1

Aτ










−
2χ

3B
ν 5

36
+ 5

36f
+ 1

5
Z0 0 0 0

5
36

+ 5
36f

+ 1
5
Z0 0 0 0 0

0 0 0 0 0
0 0 0 0 0

0 0 0 0 − (3ι3+2)2

6(10λ+ι3+9)










, (3.34)

B :=
1

A










4λ+ Z1 Z2
2(3−8ι3)

15
− 4λ+ Z3 Z4 0

0 25
36

+ Z0 0 0 0

−2(3−8ι3)
15

− 4λ 0 4λ+ 2(3−8ι3)
15

0 0

0 2(1−ι3)
3

−2(1−ι3)
5

+ Z5 4λ+ 4 + Z6 2ι3

0 0 − (3ι3+2)2

6(10λ+ι3+9)
4
3
+ Z7

(3ι3+2)2

2(10λ+ι3+9)










, (3.35)

F :=










− 1
AB

(
λ− 1

6

)
(−τ)−

1

2G(u0 − u)
0

− 1
4AB

(
−2(3−8ι3)

15
− 4λ

)
(−τ)−

1

2G(u0 − u)

− 1
AB

(
λ+ 5

6

)
(−τ)−

1

2Gν

− 1
3AB

(−τ)−
1

2Gν










(3.36)

and H = H(τ,U) :=
(
H1, H2, H3, H4, H5

)T
such that

H1 = H1(τ,U) =−
1

A
ξ
[

4λ+
(

λ−
1

6

)

B−1G
]

u, (3.37)

H2 = H2(τ,U) =−
25

36A
ξ
(

1 +
1

f

)

uζ, (3.38)

H3 = H3(τ,U) =
(

λ+
3− 8ι3

30

) 1

A
ξ
(

1 +
1

f

)

(4 +B−1G)(u0 − u), (3.39)

H4 = H4(τ,U) =−
2(1− ι3)

3A
ξ
(

1 +
1

f

)(

1 +
fu

1 + f

)− 8

5

uζ, (3.40)
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H5 = H5(τ,U) =−
χξ

3AB

(

1 +
1

f

)(

1 +
fu

1 + f

)

ν −
χξ

AB

(

1 +
1

f

)

Ψ. (3.41)

and Zℓ := Zℓ(τ,U) (ℓ = 0, 1, · · · , 7) are analytic for U ∈ BR̃(R
N) (denote N := 5) and

continuous for τ ∈ [−1, 0] and satisfy Zℓ(τ, 0) = 0.

3.4. Verifications of Fuchsian system. This section contributes to verifying the singular
system (3.32) satisfies all the conditions (F1)–(F6) in Appendix B.3 which implies (3.32) is a
Fuchsian system (B.19).

3.4.1. Verifications of Conditions (F1) and (F5) in Appendix B.3. Since P = I leads to P
⊥ = 0

(in fact, all the conditions involving P
⊥ hold immediately), (F1) and (F5) are verified directly.

3.4.2. Partial verification of Condition (F3) in Appendix B.3. Now let us turn to Condition
(F3). It is clear that B0 and Bζ are symmetric and [I,B] = 0. From the expressions of Bζ

and B, we know Bζ ∈ C0([−1, 0), C∞(BR(R
N),MN×N), B ∈ C0([−1, 0], C∞(BR(R

N),MN×N).

Corresponding to (B.19), we identify B
ζ
0 = 0 and B

ζ
2 = τBζ and it is direct to check

τBζ ∈ C0([−1, 0], C∞(BR(R
N),MN×N)).

Correspondingly, we can construct B̃0(τ) and B̃(τ) by dropping all the Zℓ (ℓ = 0, · · · 7) terms,

while construct B̃ζ
2(τ) by dropping all the Zℓ (ℓ = 0, · · ·7) terms and ν involved term−

2χ

3AB
ν. We

can see B̃0, B̃ζ
2 , B̃ ∈ C0([−1, 0], C∞(MN×N)). It is direct, from the expression (3.33) of B0, to

verify B0 ∈ C0([−1, 0), C∞(BR(R
N),MN×N) instead of B0 ∈ C1([−1, 0), C∞(BR(R

N),MN×N)
and we postpone this complete verification to §3.4.5. We now partially verified (F3).

3.4.3. Verification of Condition (F2) in Appendix B.3. Let us verify (F2). By the defini-
tion (3.37)–(3.41) of Hℓ (ℓ = 1, · · · , 5) and Proposition B.4 and B.5, we have H(τ, 0) =
0 and H ∈ C0([−1, 0], C∞(BR̃(R

N),MN×N)), which verifies (F2). In order to verify F ∈
C0([−1, 0], C∞(BR̃(R

N),MN×N)) (recall (3.36)), we need preparations:

Lemma 3.7. Suppose G is given by (3.18), then ∂τG is

∂τG =
Gχ

3ABτ
−

χ2

ABgf
−

2χ
3

2

3AB
1

2 gf
1

2

(3.42)

for τ ∈ (−1, 0).

Proof. First by the definition of χ (3.10), we express

g
2

3A = B− 1

2 t−
1

3 f− 1

2 (1 + f)
1

3χ− 1

2 . (3.43)

Multiplying (B.13) in Lemma B.6 of Appendix B.2.3 on the both sides (letting c = 4
3
and

a = 4
3
) by t

2
3 (1+f)

1
3

ABg
2
3A

+1f
and using (3.43) to replace g

2

3A , we obtain

t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

∂tG = −
Gχ

3ABg
−

χ2

ABgf
−

2χ
3

2

3AB
1

2gf
1

2

.

Similar to (3.16), we arrive at

∂τG =
Gχ

3ABτ
−

χ2

ABgf
−

2χ
3

2

3AB
1

2gf
1

2

.

It completes the proof. �
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Lemma 3.8. Suppose G is given by (3.18). Then G(τ) has an estimate

|G(τ)| . (−τ)
1

2

for τ ∈ [−1, 0) and the function (−τ)−
1

2G(τ) can be continuously extended to τ ∈ [−1, 0].

Proof. Multiplying 2G on the both sides of (3.42) yields

∂τG
2 = 2G∂τG =

2G2χ

3ABτ
−

2Gχ2

ABgf
−

4Gχ
3

2

3AB
1

2gf
1

2

.

By Proposition B.4, B.5 and Corollary B.1, noting τ ∈ [−1, 0), there is a time τ1 ∈ (−1, 0), such

that for τ ∈ (τ1, 0], χ ∈ (7
2
B, 9

2
B), |G| < 1

2
B, |1/(gf)| < 1 and |1/(gf

1

2 )| < 1. Furthermore,
there is a constant C0 > 0, such that for τ ∈ (τ1, 0), noting A ∈ (0, 2), then

∂τG
2 ≤

7

6τ
G2 + C0.

By the Gronwall’s inequality (by multiplying (−τ)−
7

6 ), we derive

∂τ
(
(−τ)−

7

6G2
)
≤ C0(−τ)−

7

6 ,

which yields

G2(τ) ≤ (−τ1)
− 7

6G2(τ1)(−τ)
7

6 + 6C0(−τ)− 6C0(−τ1)
− 1

6 (−τ)
7

6 . −τ.

for τ ∈ (τ1, 0). For τ ∈ [−1, τ1], due to the continuity of G yielding G is bounded, there

is a constant C > 0, such that |G(τ)| ≤ C(−τ1)
1

2 ≤ C(−τ)
1

2 for τ ∈ [−1, τ1]. This implies

|G(τ)| . (−τ)
1

2 for τ ∈ [−1, 0). �

By Lemma 3.8, we obtain |(−τ)−
1

2G(τ)| . 1, by continuously extend (−τ)−
1

2G(τ) to τ ∈

[−1, 0], that is, let (−τ)−
1

2G(τ)|τ=0 := limτ→0

[
(−τ)−

1

2G(τ)
]
, then we derive (−τ)−

1

2G(τ) ∈
C0([−1, 0]). By observing the definition of F (3.36), we conclude

F ∈ C0([−1, 0], C∞(BR̃(R
N),MN×N))

and directly verifies (B.21).

3.4.4. Verification of Condition (F4) in Appendix B.3. Now let us verify Condition (F4). In
order to do so, we have to verify that there exists constants κ, γ̄2 and γ̄1 such that

γ̄1I ≤ B0 ≤
1

κ
B ≤ γ̄2I i.e., γ̄1η

T
Iη ≤ ηTB0η ≤

1

κ
ηTBη ≤ γ̄2η

T
Iη (3.44)

for all (τ,U) ∈ [−1, 0]× BR(R
N) and η := (η1, η2, η3, η4, η5)

T ∈ R
N .

Firstly, by (3.35), we note

AηTBη =(4λ+ Z1)η
2
1 +

(25

36
+ Z0

)

η22 +
(

4λ+
2(3− 8ι3)

15

)

η23 + (4λ+ 4 + Z6)η
2
4

+
(3ι3 + 2)2

2(10λ+ ι3 + 9)
η25 + Z2η1η2 + (−8λ + Z3)η1η3 + Z4η1η4 +

2

3
(1− ι3)η2η4

+
(

−
2(1− ι3)

5
+ Z5

)

η3η4 −
(3ι3 + 2)2

6(10λ+ ι3 + 9)
η5η3 +

(

2ι3 +
4

3
+ Z7

)

η5η4. (3.45)

The following lemma verifies (F4).
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Lemma 3.9. Suppose λ > 0 and ι3 ∈ (0, 1/5]. There are constants R̃ > 0 and γ1 > 0, γ2 > 0
given by

γ1 :=
1

2
min

{ 8λ

5(3 + 800λ)
,

1

1500
,

1

27(13λ+ 12)(10λ+ ι3 + 9)2

}

, (3.46)

and

γ2 :=max{8λ+ 1 + γ1, 4λ+ 6 + γ1}, (3.47)

such that
γ1
A
ηT1η < ηTBη <

γ2
A
ηT1η.

for all (τ,U) ∈ [−1, 0]× BR̃(R
N ).

Proof. Since Zℓ(τ, 0) = 0, by its continuity, there is a constant R̃ > 0, such that if U ∈ BR̃(R
N),

then
7∑

ℓ=0

|Zℓ(τ,U)| < γ1. (3.48)

By taking

δ1 :=
3− 13ι3

800λ
+ 1, δ3 :=

12

35
(13λ+ 12) and δ5 :=

18(3− 13ι3)(10λ+ ι3 + 9)

25(3ι3 + 2)2
,

and using the Cauchy’s inequality with δℓ > 0 (ℓ = 1, 3, 5), we have estimates

2|η4η1| ≤ η24 + η21, 2|η1η3| ≤
1

δ1
η21 + δ1η

2
3, 2|η2η4| ≤ η22 + η24 , 2|η3η4| ≤ η23 + η24, (3.49)

2|η2η1| ≤ η22 + η21, 2|η3η5| ≤
1

δ5
η25 + δ5η

2
3, 2|η5η4| ≤

1

δ3
η25 + δ3η

2
4, (3.50)

and

|Zℓηaηb| ≤
|Zℓ|

2
(η2a + η2b ). (3.51)

Using (3.49)–(3.51), we estimate (3.45),

AηTBη ≥

(
4λ(3− 13ι3)

800λ+ 3− 13ι3
+ Z1 −

1

2

4∑

ℓ=2

|Zℓ|

)

η21 +

(
ι3

3
+

13

36
+ Z0 −

1

2
|Z2|

)

η22

+

(
4
(
9λ(3− 13ι3) + (19− 94ι3)

)

105
+ Z6 −

1

2

∑

ℓ=4,5,7

|Zℓ|

)

η24

+

(
3− 13ι3

600
−

1

2

∑

ℓ=3,5

|Zℓ|

)

η23 +
(

q−
1

2
|Z7|
)

η25 (3.52)

where

q :=
(3ι3 + 2)2

2(10λ+ ι3 + 9)
−

25(3ι3 + 2)4

216(3− 13ι3)(10λ+ ι3 + 9)2
−

35(3ι3 + 2)

36(13λ+ 12)

=−
(3ι3 + 2)

[
120λ2q1(ι

3) + λq2(ι
3) + 6q3(ι

3)
]

216(13λ+ 12)(3− 13ι3)(10λ+ ι3 + 9)2
> 0 (3.53)

and

q1(ι
3) :=(13ι3 − 3)(351ι3 + 59),
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q2(ι
3) :=63531(ι3)3 + 985062(ι3)2 − 40392(ι3)− 37576,

q3(ι
3) :=9319(ι3)3 + 74103(ι3)2 − 1413(ι3)− 2759.

Using the derivatives of qℓ (ℓ = 1, 2, 3), we can have the monotonicity of qℓ. Further we can
estimate

q1(ι
3) ≤ −

1292

25
< 0, q2(ι

3) ≤ −
717959

125
< 0, and q3(ι

3) ≤ −
366

125
< 0 (3.54)

for ι3 ∈ (0, 1/5]. Noting

3ι3 + 2

3− 13ι3
>

2

3
and 775200λ2 + 717959λ+ 2196 > 1500 (3.55)

for ι3 ∈ (0, 1/5] and λ > 0. Then, by inserting the estimate (3.54) into (3.53), with the help of
(3.55), we estimate

q ≥
(775200λ2 + 717959λ+ 2196) (3ι3 + 2)

27000(13λ+ 12)(3− 13ι3)(10λ+ ι3 + 9)2
>

1

27(13λ+ 12)(10λ+ ι3 + 9)2
. (3.56)

Then inserting the estimate (3.56) into (3.52), we arrive at

AηTBη ≥
( 8λ

5(3 + 800λ)
−

7∑

ℓ=0

|Zℓ|
)

η21 +
( ι3

3
+

13

36
−

7∑

ℓ=0

|Zℓ|
)

η22 +
( 1

1500
−

7∑

ℓ=0

|Zℓ|
)

η23

+
( 4

525
−

7∑

ℓ=0

|Zℓ|
)

η24 +
( 1

27(13λ+ 12)(10λ+ ι3 + 9)2
−

7∑

ℓ=0

|Zℓ|
)

η25

(3.46)&(3.48)
> (2γ1 − γ1)

5∑

k=1

η2k > γ1η
T
1η.

On the other hand, we estimate the upper bound of ηTBη by using the Cauchy’s inequality
and taking δ1 = δ3 = δ5 = 1 in (3.49)–(3.50),

AηTBη ≤
(

8λ+
7∑

ℓ=0

|Zℓ|
)

η21 +
(25

36
+

1− ι3

3
+

7∑

ℓ=0

|Zℓ|
)

η22

+
(

8λ+
2(3− 8ι3)

15
+

1− ι3

5
+

(3ι3 + 2)2

12(10λ+ ι3 + 9)
+

7∑

ℓ=0

|Zℓ|
)

η23

+
[

(4λ+ 4) +
8(1− ι3)

15
+
(

ι3 +
2

3

)

+

7∑

ℓ=0

|Zℓ|
]

η24

+
[ 7(3ι3 + 2)2

12(10λ+ ι3 + 9)
+
(

ι3 +
2

3

)

+

7∑

ℓ=0

|Zℓ|
]

η25

(3.48)
< (8λ+ γ1)η

2
1 +

(37

36
+ γ1

)

η22 +
(

8λ+ 1 + γ1

)

η23 +
(

4λ+ 6 + γ1

)

η24 +
(3

2
+ γ1

)

η25

(3.47)
< γ2η

T
1η.

We complete the proof. �
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Lemma 3.10. Suppose λ > 0 and ι3 ∈ (0, 1/5]. There are constants R̃ > 0 and γ̂1 > 0, γ̂2 > 0
given by

γ̂1 :=min
{ 7

150
,

1

4 +B−1maxτ∈[−1,0]G

(25

36
− γ1

)}

> 0

and

γ̂2 :=max
{

1, λ+
1

10
,

1

4 +B−1minτ∈[−1,0]G

(25

36
+

25

36β
+ γ1

)}

> 0,

such that
γ̂1η

T
Iη < ηTB0η < γ̂2η

T
Iη

for all (τ,U) ∈ [−1, 0]× BR̃(R
N ).

Proof. Firstly, there is a constant R̃ > 0, such that if U ∈ BR̃(R
N), then (3.48) holds and it

yields −γ1 < −|Zℓ| < Zℓ < |Zℓ| < γ1. By the expression (3.33) of B0, we obtain

7

150
< λ+

1

30
(3− 8ι3) < λ+

1

10
, for ι3 ∈ (0, 1/5],

and
1

4 +B−1maxτ∈[−1,0]G

(25

36
− γ1

)

<
1

4 +B−1G

(25

36
+

25

36f
+ Z0

)

(⋆)
<

1

4 +B−1minτ∈[−1,0]G

(25

36

1 + β

β
+ γ1

)

.

We point out in (⋆), 4 + B−1minτ∈[−1,0]G > 0, since, by (3.18), we have G(τ) > −4B for
τ ∈ [−1, 0]. Then we conclude this lemma. �

Using above Lemma 3.9 and 3.10 and taking

κ :=
γ1
Aγ̂2

, γ̄1 := γ̂1 and γ̄2 :=
γ2γ̂2
γ1

, (3.57)

we conclude (3.44) and thus have verified Condition (F4).

3.4.5. Complete verifications of Conditions (F3) and (F6) in Appendix B.3. Since P = I and
P
⊥ = 0, we only need to verify there are constants θ and βℓ > 0 (ℓ = 0, 1), such that it verifies

(B.22) which reduces to

divB(τ,U,W) = O
(
θ + |τ |−

1

2β0 + |τ |−1β1

)
, (3.58)

where3

divB(τ,U,W) := ∂τB
0(τ,U)

︸ ︷︷ ︸

(d) (−τ)−
1
2−term

+∂UB
0(τ,U) · (B0(τ,U))−1

[

−Bζ(τ,U) ·W
︸ ︷︷ ︸

(a) τ−1−term

+
1

τ
B(τ,U)U
︸ ︷︷ ︸

(b) τ−1−term

+H(τ,U) + (−τ)−
1

2F(τ,U)
︸ ︷︷ ︸

(e) (−τ)−
1
2−term

]

+ ∂UB
ζ(τ,U) ·W

︸ ︷︷ ︸

(c) τ−1−term

(3.59)

for (τ,U,W) ∈ [−1, 0)×BR̃(R
N)×BR̃(R

N). Requirements (B.23)–(B.25) hold constantly since
P
⊥ = 0 results all the left hands of (B.23)–(B.25) vanish.

3To facilitate readers’ understanding, we have labeled the orders of the terms below. However, their proofs
will be presented in the subsequent expositions.
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Let us firstly recall (3.14). That is

Z0 = Z0(τ, u, ν) =
25

36

(

1 +
1

f

)[(

1 +
fu

1 + f

)− 3

5

− 1
]

−
25(4 +B−1G)

9
ν2.

Similar to (3.16), with the help of (3.17) and (3.10) (yielding f0 = B− 1

2 t−1f
1

2χ
1

2 (1 + f)), we
calculate

∂τf =
t
2

3 (1 + f)
1

3

ABg
2

3A
+1f

f0 =
1

ABg
χ(1 + f). (3.60)

Let us now calculate the only non-vanishing term in ∂τB
0 by (3.18), (3.42) and (3.60),

∂τ

(
1

4 +B−1G

(25

36
+

25

36f
+ Z0

))

=

[

−

(
40B2u

9f(f + 1)
+

25B2

9f(f + 1)

(

1 +
1

f

)

+
10BuG

9f(f + 1)
+

25BG

36f(f + 1)
+

25BG

36f2(f + 1)

)

∂τf

−

(
1

18
+

u

36
+

uf

36
+

f

36
+

1

36f

)
25B∂τG

(f + 1)

]

(4B +G)−2

(
fu

f + 1
+ 1

)− 8

5

=

[

−

(
40Bu

9
+

25B

9
+

25B

9f
+

10uG

9
+

25G

36
+

25G

36f

)
1

A
ξ
(

1 +
1

f

)

χ

− 25B

(
1

18(f + 1)
+

u

36
+

f

36(f + 1)
+

1

36f(f + 1)

)(
Gχ

3ABτ
−

χ2

ABgf

−
2χ

3

2

3AB
1

2 gf
1

2

)]

(4B +G)−2

(
fu

f + 1
+ 1

)− 8

5

(⋆)
=

(
fu

f + 1
+ 1

)− 8

5 [
S1(τ) + S2(τ)u+ |τ |−

1

2

(
S3(τ) + S4(τ)u

)]
(3.61)

where Sℓ (ℓ = 1, · · · , 4) are continuous in τ ∈ [−1, 0], and limτ→0 Sℓ(τ) = 0 for ℓ = 1, 2. In
the last step (⋆), we have used Theorem B.1, Proposition B.4, B.5, Corollary B.1 and Lemma

3.8 (which implies (−τ)−
1

2 |G| . 1) and U ∈ BR̃(R
N). By (3.61), we obtain that there exists

constants θ̃ and β̃0, such that

∂τB
0 = O

(
θ̃ + |τ |−

1

2 β̃0

)
. (3.62)

In addition, this (3.61) also verifies B0 ∈ C1([−1, 0), C∞(BR(R
N),MN×N) which finishes Con-

dition (F3).
Next let us calculate the key term ∂UZ0, i.e.,

∂uZ0 = −
5

12

( fu

f + 1
+ 1
)− 8

5

and ∂νZ0 = −
50

9

(
G

B
+ 4

)

ν. (3.63)

We can calculate the non-vanishing term of ∂UB
0 is (4+B−1G)−1∂UZ0 which, by (3.63), implies

there exist constants θ̂ and R̃, such that

∂UB
0 = O

(
θ̂
)

(3.64)

for U ∈ BR̃(R
N).
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Next, we turn to ∂UB
ζ , and the non-vanishing terms of ∂UB

ζ are

∂ν

(

−
1

Aτ

2χ

3B
ν

)

= −
1

Aτ

2χ

3B
and

1

Aτ
∂U

(
5

36
+

5

36f
+

1

5
Z0

)

=
1

5Aτ
∂UZ0.

With the help of (3.63), there exist constants β̂1 and R̃, such that

∂UB
ζ = O

(
|τ |−1β̂1

)
(3.65)

for U ∈ BR̃(R
N). We also note there are constants β̂0 and R̃, such that

(−τ)−
1

2F = O
(
|τ |−

1

2 β̂0

)
(3.66)

for U ∈ BR̃(R
N).

With the help of (3.62), (3.64), (3.65) and (3.66), directly examining (3.59) terms by terms,
we can conclude there are constants θ > 0, β0 > 0 and β1 > 0, such that it verifies (3.58) for
(τ,U,W) ∈ [−1, 0)× BR̃(R

N)× BR̃(R
N). Moreover, by properly shrinking the ball BR̃(R

N) ∋
U, W, we can further take β1 in (3.58) small enough such that

β1 ∈

(

0,
2γ1γ̂1
Aγ̂2

)

, (3.67)

since the τ−1-terms (a), (b) and (c) in (3.59) all include a factor U or W. This finishes the
verification of Condition (F6).

Now after verifying all the conditions (F1)–(F6), we conclude (3.32) is a Fuchsian system
given in Appendix B.3. Therefore, we can use Theorem B.2 to obtain the global estimates. By
§3.4.2, we have known B̃0(τ), B̃ζ

2(τ), B̃(τ) are all only τ dependent, hence in this case, we find
the parameter b defined in Theorem B.2 satisfying b = 0.

3.5. The uniqueness and periodicity. As the system (3.32) is a symmetric hyperbolic sys-
tem, the standard theory of symmetric hyperbolic systems (see, for example, [30, §16] and [25,
Theorem 5.1]) ensures the existence and uniqueness of the solution U for (τ, ζ) ∈ [−1, τ1]× R

(τ1 < 0). Moreover, since the system (2.52)–(2.53) is equivalent to the system (3.32), this
entails that if ( ˆ̺(t, ζ), ν(t, ζ)) satisfies (2.52)–(2.53) with the data (2.59), then the solution is
unique. In other words, once we prove the existence of U for some τ , U is unique within the
interval, and the corresponding solution (ˆ̺(t, ζ), ν(t, ζ)) is unique in terms of t. Additionally,
using Proposition 2.9, we conclude that the solution (ˆ̺(t, ζ), ν(t, ζ)) is a periodic solution sat-
isfying (2.63). By Lemma 2.8, we know that Ψ(t, ζ) is also a periodic function. Thus, instead
of considering the periodic solution of the system (3.32) on (t, ξ) ∈ [1, tm)×R, we consider the
equations (2.52)–(2.53) with data (2.59) for (t, ξ) ∈ [1, tm) × T, which enables us to directly
apply Theorem B.2.

3.6. The global existence of the solution U. After verifying that (3.32) is a Fuchsian
system for (τ, ζ) ∈ [−1, 0)×T and U ∈ BR̃(R

N ), we are able to directly use Theorem B.2, that
is, let s ∈ Z> 7

2

, U|τ=−1 ∈ Hs(T) and, by (3.57) and (3.67),

κ :=
γ1
Aγ̂2

>
β1

2γ̂1
=

β1

2γ̄1
, (verifying (B.26)),

then there exist small constants σ, σ0 > 0 and σ < σ0, such that if

‖U|τ=−1‖Hs ≤ σ,

then there exists a unique solution

U ∈ C0([−1, 0), Hs(T)) ∩ C1([−1, 0), Hs−1(T)) ∩ L∞([−1, 0), Hs(T)) (3.68)
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of the initial value problem for the Fuchsian system (3.32). Moreover, for −1 ≤ τ < 0, the
solution U satisfies the energy estimate

‖U(τ)‖Hs −

∫ τ

−1

1

τ
‖U(z)‖2Hsdz ≤ C(σ0, σ

−1
0 )‖U|τ=−1‖Hs < C1σ. (3.69)

3.7. Proofs of Theorem 1.1. Before proceeding the main proof, we first estimate ‖Ψ(t)‖Hs(T)

by ‖u(t)‖Hs−1(T).

Lemma 3.11. Suppose Ψ is given by (3.20), then there is a constant C > 0, such that

‖Ψ(t)‖Hs(T) ≤ C1‖u(t)‖Hs−1(T).

Proof. Recalling the definition of Sobolev norms (see §1.7.3), we have

‖Ψ(t)‖2Hs(T) =
∑

0≤k≤s

∫

T

(∂k
ζΨ(t, ζ), ∂k

ζΨ(t, ζ)) dζ =
∑

0≤k≤s

‖∂k
ζΨ(t, ζ)‖2L2(T).

By using (3.26) and the induction, we can prove the higher order derivatives of Ψ,

∂k
ζΨ = (−3)kΨ+

k∑

ℓ=1

(−3)k−ℓ∂ℓ−1
ζ u, for k = 1, · · · s. (3.70)

Then by (3.70) and the triangle inequality,

‖Ψ(t)‖2Hs(T) ≤ C‖Ψ(t)‖2L2(T) + C‖u(t)‖2Hs−1(T). (3.71)

We need to estimate

‖Ψ(t)‖2L2(T) =

∫

T

|Ψ(t, ζ)|2dζ. (3.72)

By (3.20), note

|Ψ(t, ζ)| ≤
1

e3ζ

∫ ζ

−∞

∣
∣u(t, z)

∣
∣e3zdz ≤ ‖u(t)‖L∞(T)

1

e3ζ

∫ ζ

−∞

e3zdz =
1

3
‖u(t)‖L∞(T). (3.73)

Substituting the estimate (3.73) into (3.72), with the help of the Sobolev embedding theorem,
yields

‖Ψ(t)‖2L2(T) ≤ C‖u(t)‖2L∞(T) ≤ C‖u(t)‖2Hs−1(T). (3.74)

Inserting the estimate (3.74) into (3.71), we obtain there is a constant C > 0, such that

‖Ψ(t)‖2Hs(T) ≤ C‖u(t)‖2Hs−1(T),

which concludes this lemma. �

Now, we are in a position to prove Theorem 1.1.

Proof of Theorem 1.1. Using (3.2)–(3.4), (3.8) (noting now c = 1/5 by (3.31)), (2.42) and (3.20)
we arrive at the transforms

ˆ̺(t, ζ) = f(t) + f(t)u(t, ζ), ∂t ˆ̺(t, ζ) = f0(t) + f0(t)u0(t, ζ)

and

∂ζ ˆ̺(t, ζ) = 5(1 + f(t))uζ(t, ζ), v̂ =
f0R

3(1 + f)
ν.

By (1.31) and (2.48), we obtain the transform

|x| = t
2

3 (1 + f)−
1

3 exp ζ.

which consists with (1.20).
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Further, using (1.31), (1.33), (1.34), (2.42) and (2.49), we arrive at

̺(t, xi) = f(t) + f(t)u(t, ζ), (3.75)

∂t̺(t, x
i) +

( 2

3t
−

f0(t)

3(1 + f(t))

)

xi∂i̺(t, x
i) = f0(t) + f0(t)u0(t, ζ), (3.76)

xi∂i̺(t, x
i) = 5(1 + f(t))uζ(t, ζ), (3.77)

vi(t, xi) =
( 2

3t
−

(1− ν(t, ζ))f0(t)

3(1 + f(t))

)

xi. (3.78)

When t = 1, with the help of (1.6), (1.16) and (3.9), the relations (3.75) and (3.78) become

̺|t=1(x
i) = βd(|x|) = β(1 + u(1, ζ)) ⇔ u(−1, ζ) = d ◦ y1 − 1, (3.79)

vi|t=1(x
i) =

(2

3
− (1− ν(t, ζ))γ

)

xi =
2

3
xi + γv(|x|)xi ⇔ ν(−1, ζ) = v ◦ y1 + 1. (3.80)

Using (3.21) and (3.24), we have

uζ(−1, ζ) =
β

5(1 + β)
∂ζu(−1, ζ), (3.81)

u0(−1, ζ) =
βu(−1, ζ)

1 + β
−

5

3
ν(−1, ζ)uζ(−1, ζ)−

[1

3
∂ζν(−1, ζ) + ν(−1, ζ)

](

1 +
βu(−1, ζ)

1 + β

)

.

(3.82)

According to the data satisfying (1.22), by using (3.79) and (3.80), we obtain estimates

‖u(−1)‖Hs(T) + ‖ν(−1)‖Hs(T) ≤ ‖u(−1)‖Hs+1(T) + ‖ν(−1)‖Hs+1(T) ≤ σ⋆σ. (3.83)

Using (3.81), we derive

‖uζ(−1)‖Hs(T) ≤ ‖∂ζu(−1)‖Hs(T) ≤ C‖u(−1)‖Hs+1(T)

(3.83)

≤ Cσ⋆σ. (3.84)

Similarly, using (3.82), with the help of (3.83) and (3.84), we estimate

‖u0(−1)‖Hs(T) ≤C
(

‖u(−1)‖Hs(T) + ‖ν(−1)‖Hs+1(T)

(
‖uζ(−1)‖Hs(T) + ‖u(−1)‖Hs(T) + 1

))

≤Cσ⋆σ. (3.85)

By Lemma 3.11 and (3.83), we conclude

‖Ψ(−1)‖Hs(T) ≤ C‖u(−1)‖Hs−1(T) ≤ Cσ⋆σ. (3.86)

Gathering (3.83)–(3.86) together, by taking σ⋆ small enough and recalling U = (u0, uζ, u, ν,Ψ)T ,

yields

‖U|τ=−1‖Hs(T) ≤ σ.

Further, we are able to use the result in §3.6 and conclude there exists a global unique solution
U such that (3.68) and the estimate (3.69) hold for τ ∈ [−1, 0), which, in turn by the Sobolev
embedding theorems, leads to

‖U(τ)‖W 3,∞(T) ≤ C‖U(τ)‖Hs(T) ≤ Cσ ⇔ ‖(u0(t), uζ(t), u(t), ν(t))‖W 3,∞(T) ≤ Cσ (3.87)

for t ∈ [1, tm). By (3.75) and (3.78), since u(t, ζ) has a uniform estimate −Cσ < u(t, ζ) < Cσ
for any ζ ∈ T (i.e., for any |x| ∈ (0,∞) by (1.20) and the periodicity), we obtain (1.23) and
(1.26).
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On the other hand, by (3.76) and (3.77), we reach

∂t̺(t, x
i)

f0(t)
− 1 =

(

u0(τ, ζ) +
5

3
uζ(τ, ζ)

)

−
10(1 + f(t))

3tf0(t)
uζ(τ, ζ). (3.88)

In order to estimate (3.88), we have to estimate (1 + f)/(tf0). In fact, recalling Remark 2.2,
we have point out that by the definition (3.10) of χ(t) and (3.43), we obtain

f 2
0

(1 + f)2
=

fχ

Bt2
⇒

1 + f

tf0
=

√

B

χf
⇒ lim

t→tm

1 + f

tf0
= 0. (3.89)

Therefore, by (3.87), (3.88) and (3.89), we can estimate, for any t ∈ [1, tm),
∥
∥
∥
∥

∂t̺(t, x
i)

f0(t)
− 1

∥
∥
∥
∥
W 3,∞(R3)

≤ Cσ,

which results in (1.24) for (t, xi) ∈ [1, tm)× R
3.

By (3.77) and (3.87), we reach the estimate

‖xi∂i̺(t, x
i)‖W 3,∞(R3) ≤ C(1 + f(t))σ,

which implies (1.25).
In the end, since limt→tm f(t) = +∞ and limt→tm f0(t) = +∞ from Theorem B.1, we conclude

(1.28), and γ > 1/3, the blowups occur at a finite time tm (see Theorem B.1.(5)). We then
complete the proof of this theorem. �

Appendix A. Miscellaneous

A.1. Physical interpretations of Di and S. To clarify the physical significance of Di and
S, we introduce the following physical quantities to rewrite (1.18) and (1.19) respectively. Let
T denote the fixed temperature distribution, which satisfies the following:

T ∝ |x|2, i.e., T = k(t)δklx
kxl, for some time function k(t).

The entropy flux and thermodynamic force are given, respectively, by

Ji :=
(2

3
+ ω

)

Tρv̌i and Fi := ∂i ln
(
ρT

1
2
3
+ω
)
.

and we denote the relative velocity due to the inhomogeneous densities for the system (1.1)–
(1.7),

v̌i := vi −
( 2

3t
−

f0
3(1 + f)

)

xi.

As perturbations of the homogeneous density give rise to solutions of the system (1.1)–
(1.7) that reduce to the Newtonian universe (R1) and the homogeneous blowup solution (R2),
perturbations of the inhomogeneous density cause deviations of the velocity from v̊i (1.9) and
vir (1.13).

In terms of these quantities, Di and S can be viewed as effects of the inhomogeneous density.
Then with straightforward calculations, readers can verify that

Di(t, xj , ρ, vk, s, φ) = −
κf0
1 + f

v̌i

︸ ︷︷ ︸

damping due to inhomogeneous densities

,
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S(t, xj, ρ, vk, s, φ) =−
1

ρ
∂i

(Ji

T

)

︸ ︷︷ ︸

flux of entropy

+
JiFi

Tρ
︸︷︷︸

entropy productions

.

Thus, Di can be interpreted as a damping term caused by inhomogeneous densities, while S

characterizes the growth of entropy that arises from the inhomogeneous densities. Moreover,
there is a temperature-dependent matter flow associated with this growth.

A.2. Spherical coordinates. Let us introduce the spherical coordinates by

X1 = R sin θ cosϕ, X2 = R sin θ sinϕ and X3 = R cos θ,

and the spherical coordinate is related to the Cartesian coordinate by

R =
√

δijX iXj, θ = arccos
(X3

R

)

and ϕ = arctan
(X2

X1

)

. (A.1)

The Jacobian matrix of this transform is




∂R
∂X1

∂R
∂X2

∂R
∂X3

∂θ
∂X1

∂θ
∂X2

∂θ
∂X3

∂ϕ
∂X1

∂ϕ
∂X2

∂ϕ
∂X3



 =





sin θ cosϕ sin θ sinϕ cos θ
1
R
cos θ cosϕ 1

R
cos θ sinϕ − 1

R
sin θ

− 1
R

sinϕ
sin θ

1
R

cosϕ
sin θ

0



 . (A.2)

Then the derivatives become

Di =
∂R

∂X i
∂R +

∂θ

∂X i
∂θ +

∂ϕ

∂X i
∂ϕ =

δijX
j

R
∂R +

∂θ

∂X i
∂θ +

∂ϕ

∂X i
∂ϕ.

That is, using the Jacobian matrix given in (A.2), they are

D1 =
δ1jX

j

R
∂R +

∂θ

∂X1
∂θ +

∂ϕ

∂X1
∂ϕ =

δ1jX
j

R
∂R +

cos θ cosϕ

R
∂θ −

sinϕ

R sin θ
∂ϕ;

D2 =
δ2jX

j

R
∂R +

∂θ

∂X2
∂θ +

∂ϕ

∂X2
∂ϕ =

δ2jX
j

R
∂R +

cos θ sinϕ

R
∂θ +

cosϕ

R sin θ
∂ϕ;

D3 =
δ3jX

j

R
∂R +

∂θ

∂X3
∂θ +

∂ϕ

∂X3
∂ϕ =

δ3jX
j

R
∂R −

sin θ

R
∂θ.

Appendix B. Tools of analyses

B.1. Analysis of a nonlinear ODE. One of the main tools we use is a type of ODEs devel-
oped in our previous article [14, §2]. For convenience, we provide the results without proofs in
this appendix. Detailed proofs can be found in [14, §2]. Specifically, we consider solutions f(t)
to the following ODE:

f ′′(t) +
a

t
f ′(t)−

b

t2
f(t)(1 + f(t))−

c(f ′(t))2

1 + f(t)
= 0, (B.1)

f(t0) = β > 0 and f ′(t0) = β0 > 0. (B.2)

where β, β0 > 0 are positive constants and

a > 1, b > 0 and 1 < c < 3/2. (B.3)

Remark B.1. The equation (1.15)–(1.16) is (B.1)–(B.2) when

a =
4

3
, b =

2

3
, c =

4

3
, t0 = 1 and β0 = 3(1 + β)γ.
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From now on, to simplify the notations, we denote

△ :=
√

(1− a)2 + 4b > −ā, ā = 1− a < 0, c̄ = 1− c < 0

and introduce constants A, B, C, D and E depending on the initial data β and β0 of (B.1)–(B.2)
and parameters a, b and c,

A :=
t
− ā−△

2

0

△

(
t0β0

(1 + β)2
−

ā +△

2

β

1 + β

)

,

B :=
t
− ā+△

2

0

△

( ā −△

2

β

1 + β
−

t0β0

(1 + β)2

)

< 0,

C :=
2

2 + ā +△

(

ln(1 + β) +
ā +△

2b

t0β0

1 + β

)

t
− ā+△

2

0 > 0,

D :=
ā +△

2 + ā +△

(

ln(1 + β)−
1

b

t0β0

1 + β

)

t0,

E :=
c̄β0t

1−ā
0

ā(1 + β)
> 0.

We define the following two critical times t⋆ and t⋆.

Definition B.1. Suppose A, B, E, ā and △ are defined above, then

(1) Let R := {tr > t0 | At
ā−△

2
r + Bt

ā+△

2
r + 1 = 0} and define t⋆ := minR.

(2) If tā0 > E−1, we define t⋆ := (tā0 − E−1)1/ā ∈ (0,∞), i.e., t = t⋆ solves 1− Etā0 + Etā = 0.

We are now in a position to state the main theorem regarding ODE (B.1)–(B.2), with the
proof available in [14, §2].

Theorem B.1. Suppose constants a, b and c are defined by (B.3), t⋆ and t⋆ are defined above
and the initial data β, β0 > 0, then

(1) t⋆ ∈ [0,∞) exists and t⋆ > t0;
(2) there is a constant tm ∈ [t⋆,∞], such that there is a unique solution f ∈ C2([t0, tm)) to

the equation (B.1)–(B.2), and

lim
t→tm

f(t) = +∞ and lim
t→tm

f0(t) = +∞.

(3) f satisfies upper and lower bound estimates,

1 + f(t) > exp
(
Ct

ā+△

2 + Dt−1
)

for t ∈ (t0, tm);

1 + f(t) <
(
At

ā−△

2 + Bt
ā+△

2 + 1
)−1

for t ∈ (t0, t⋆).

Furthermore, if the initial data satisfies β0 > ā(1 + β)/(c̄t0), then

(4) t⋆ and t⋆ exist and finite, and t0 < t⋆ < t⋆ < ∞;
(5) there is a finite time tm ∈ [t⋆, t

⋆), such that there is a solution f ∈ C2([t0, tm)) to the
equation (B.1) with the initial data (B.2), and

lim
t→tm

f(t) = +∞ and lim
t→tm

f0(t) = +∞.

(6) the solution f has improved lower bound estimates, for t ∈ (t0, tm),

(1 + β)
(
1− Etā0 + Etā

)1/c̄
< 1 + f(t).

B.2. The analysis of the reference solutions.
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B.2.1. The time transform function g(t) and rough estimates of f and ∂tf(t). Let

g(t) := exp
(

−A

∫ t

t0

f(s)(f(s) + 1)

s2f0(s)
ds
)

> 0 (B.4)

where A ∈ (0, 2b/(3−2c)) is a constant. The following lemma gives an alternative representation
of g(t) only involving f without f0, fundamental properties of the function g(t) and expresses
f0 in terms of f and g.

Lemma B.2. Suppose f ∈ C2([t0, t1)) (t1 > t0) solves the equation (B.1)–(B.2), g(t) is defined
by (1.30), and denote f0(t) := ∂tf(t), then

(1) f0 can be expressed by

f0(t) = B−1t−ag−
b
A (t)(1 + f(t))c > 0 (B.5)

for t ∈ [t0, t1) where B := (1 + β)c/(ta0β0) > 0 is a constant depending on the data;
(2) If the data β > 0, then f(t) > 0 for t ∈ [t0, t1);
(3) g(t) can be represented by

g(t) =
(

1 + bB

∫ t

t0

sa−2f(s)(1 + f(s))1−cds
)−A

b

∈ (0, 1], (B.6)

for t ∈ [t0, t1), and g(t0) = 1;
(4) g(t) is strictly decreasing and invertible in [t0, t1).

Remark B.2. There are two useful identities from [14, eqs. (2.7) and (2.8)]. We list them in
this remark.

∂tg(t) =−ABg
b
A
+1(t)ta−2f(t)(1 + f(t))1−c, (B.7)

∂tg
− b

A (t) =−
b

A
g−

b
A
−1∂tg = bBta−2f(t)(1 + f(t))1−c. (B.8)

B.2.2. Estimates of two crucial quantities χ(t) and ξ(t). In this section, we estimate two impor-
tant quantities χ(t) and ξ(t) which are frequently used (see [14] for details). The first quantity
is defined by

χ(t) :=
t2−af0(t)

(1 + f(t))2−cf(t)g
b
A (t)

(B.5)
=

g−
2b
A (t)t2(1−a)

Bf(t)(1 + f(t))2(1−c)
. (B.9)

Lemma B.3. Suppose g(t) is defined by (B.4) and c ∈ (1, 3/2), and f ∈ C2([t0, tm)) (where
[t0, tm) is the maximal interval of existence of f given by Theorem B.1) solves ODE (B.1)–(B.2).
Then limt→tm g(t) = 0.

Remark B.3. Due to this lemma, it is convenient to continuously extend g(t) from [t0, tm) to
[t0, tm] by letting g(tm) := limt→tm g(t) = 0, then g−1(0) = tm.

Proposition B.4. Suppose c ∈ (1, 3/2), b > 0, a > 1, χ is defined by (B.9) and f ∈ C2([t0, tm))
(where [t0, tm) is the maximal interval of existence of f given by Theorem B.1) solves ODE
(B.1)–(B.2). Then there is a function G ∈ C1([t0, tm)), such that for t ∈ [t0, tm),

χ(t) =
2bB

3− 2c
+G(t) (B.10)

where limt→tm G(t) = 0. Moreover, there is a constant Cχ > 0 such that 0 < χ(t) ≤ Cχ

in [t0, tm), and there are continuous extensions of χ and G such that χ ∈ C0([t0, tm]) and
G ∈ C0([t0, tm]) by letting χ(tm) := 2bB/(3− 2c) and G(tm) := 0.
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The second crucial quantity is

ξ(t) := 1/[g(t)(1 + f(t))], (B.11)

the next proposition prove ξ is bounded and its limit vanishes as t tends to tm.

Proposition B.5. Suppose f ∈ C2([t0, tm)) (where [t0, tm) is the maximal interval of existence
of f given by Theorem B.1) solves ODE (B.1)–(B.2), g(t) is defined by (1.30) and ξ(t) is given
by (B.11), then ξ ∈ C1([t0, tm)) and

lim
t→tm

ξ(t) = 0. (B.12)

Moreover, there is a constant C⋆ > 0, such that 0 < ξ(t) ≤ C⋆ for every t ∈ [t0, tm), and there
is a continuous extension of ξ such that ξ ∈ C0([t0, tm]) by letting ξ(tm) := 0.

B.2.3. The generalization of Proposition B.5 and the expression of ∂tχ. The derivative ∂tχ is
required in §3.4. Thus we calculate it in the following lemma.

Lemma B.6. Suppose χ(t) is defined by (B.9) and G is given by (B.10), then

∂tχ = ∂tG = −
(3− 2c)Gf

1

2χ
1

2

B
1

2 t
−

χ
3

2

B
1

2 tf
1

2

+ 2(1− a)
χ

t
. (B.13)

Proof. Differentiating (B.9) with respective t, using (B.5) and (B.7) to replace f0 and ∂tg(t),
respectively, yield

∂tχ
(B.5)&(B.7)

= −
2(1− c)t2−3a(f + 1)3c−3g−

3b
A

B2f
−

t2−3a(f + 1)3c−2g−
3b
A

B2f 2

+ 2bg−
b
A t−a(1 + f)c−1 +

2(1− a)t1−2a(f + 1)−2(1−c)g−
2b
A

Bf

(B.9)
= −

(3− 2c)f
1

2χ
3

2

B
1

2 t
−

χ
3

2

B
1

2 tf
1

2

+ 2bt−1B
1

2f
1

2χ
1

2 + 2(1− a)
χ

t

(B.10)
= −

(3− 2c)f
1

2χ
1

2

B
1

2 t

( 2bB

3− 2c
+G

)

−
χ

3

2

B
1

2 tf
1

2

+ 2bt−1B
1

2 f
1

2χ
1

2 + 2(1− a)
χ

t

=−
(3− 2c)Gf

1

2χ
1

2

B
1

2 t
−

χ
3

2

B
1

2 tf
1

2

+ 2(1− a)
χ

t
.

We proved this lemma. �

The following Proposition generalizes Proposition B.5 by considering the following crucial
quantity

ηθ(t) := 1/[gθ(t)(1 + f(t))], (B.14)

the next proposition prove ηθ is bounded and its limit vanishes as t tends to tm.

Proposition B.7. Suppose θ ≥ 1 is a constant and Aθ < 2b/(3 − 2c) and f ∈ C2([t0, tm))
(where [t0, tm) is the maximal interval of existence of f given by Theorem B.1) solves ODE
(B.1)–(B.2), g(t) is defined by (B.4) and ηθ(t) is given by (B.14), then ηθ ∈ C1([t0, tm)) and

lim
t→tm

ηθ(t) = 0. (B.15)

Moreover, there is a constant C⋆ > 0, such that 0 < ηθ(t) ≤ C⋆ for every t ∈ [t0, tm), and there
is a continuous extension of ηθ such that ηθ ∈ C0([t0, tm]) by letting ηθ(tm) := 0.
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Proof. By the definition (B.9) of χ(t) and Proposition B.4 (i.e., 0 < χ ≤ Cχ),

0 < g−
2b
A (t) ≤ CχBf(t)(1 + f(t))2(1−c)t2(a−1). (B.16)

then for θ > 1

0 < g−θ 2b
A (t) ≤ Cθ

χB
θf θ(1 + f)2θ(1−c)t2θ(a−1). (B.17)

Since 1 + f > f , using (B.17), we arrive at

η
2b
A = g−θ 2b

A (1 + f)−
2b
A <

(1 + f)1−
2b
A

gθ
2b
A f

≤ BθCθ
χt

2θ(a−1)(1 + f)(2θ+1)−2θc− 2b
A f θ−1.

That is,

0 < η < B
A
2b
θC

A
2b
θ

χ tAθ(a−1)/b(1 + f)
A
2b
(2θ+1−2θc− 2b

A
)f

A
2b
(θ−1) < B

A
2b
θC

A
2b
θ

χ tAθ(a−1)/b(1 + f)
A
2b
(3θ−2θc− 2b

A
).

(B.18)
Since c ∈ (1, 3/2) and Aθ < 2b/(3− 2c), we have 3θ − 2θc − 2b

A
< 0.

Then (1) if tm < ∞, directly using (B.18) and Theorem B.1 (i.e., limt→tm f(t) = +∞), we
conclude (B.15). (2) If tm = ∞, the right hand of (B.18) can be estimated, due to 3θ−2θc− 2b

A
<

0 and Theorem B.1.(3), by

tAθ(a−1)/b(1 + f)
A
2b
((3−2c)θ− 2b

A
) < tAθ(a−1)/b exp

[ A

2b

(

(3− 2c)θ −
2b

A

)(
Ct

ā+△

2 + Dt−1
)]

.

Then, using the fact limx→∞(xa/ex) = 0,

lim
t→∞

(

tAθ(a−1)/b exp
[A

2b

(

(3− 2c)θ −
2b

A

)(
Ct

ā+△

2 + Dt−1
)]
)

= lim
t→∞

(

tAθ(a−1)/b

exp
[
− A

2b

(
(3− 2c)θ − 2b

A

)
Ct

ā+△

2

]

)

= 0.

This implies that the right-hand side of (B.18) approaches 0 as t → tm, ultimately leading to
(B.15). Next, since ηθ(t) is a continuous function on [t0, tm), we can apply a similar proof as
presented in Proposition B.5 to conclude the boundedness of ηθ(t) and therefore complete the
proof. �

Corollary B.1. Suppose a = 4/3, b = 2/3, c = 4/3 and 0 < A < 2, then

lim
t→tm

(
1

gf
1

2

)

= 0.

Proof. Taking θ = 2 and by using Proposition B.7 with parameters a = 4/3, b = 2/3, c = 4/3,
and 0 < A < 2, we obtain

lim
t→tm

(
1

g2(1 + f)

)

= 0 ⇒ lim
t→tm

(
1

gf
1

2

)

= lim
t→tm

(
1

g2(1 + f)

(

1 +
1

f

))
1

2

= 0,

which completes the proof. �
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B.3. Cauchy problems of Fuchsian systems. In this Appendix, we introduce the Cauchy
problem for the Fuchsian system, which is a variation of the one originally established in [22,
Appendix B] and significantly developed in [5, 7]. While the proof has been omitted here,
readers can find detailed proofs in [5] and explore other generalizations and applications in, for
example, [4, 14, 16–20].

Consider the following symmetric hyperbolic system.

Bµ(t, x, u)∂µu =
1

t
B(t, x, u)Pu+H(t, x, u) + |t|−

1

2F (t, x, u) in [T0, T1)× T
n, (B.19)

u =u0 in {T0} × T
n, (B.20)

where T0 < T1 ≤ 0. For given R > 0, we require the following Conditions4:

(F1) P is a constant, symmetric projection operator, i.e., P2 = P, PT = P and ∂µP = 0.
(F2) u = u(t, x) and H(t, x, u) are RN -valued maps, H, F ∈ C0([T0, 0], C

∞(Tn×BR(R
N),RN))

and satisfy H(t, x, 0) = 0 and there are constants λ1, λ2 ≥ 0, such that

PF (t, x, u) = O(λ1u) and P⊥F (t, x, u) = O(λ2Pu) (B.21)

for all (t, x, u) ∈ [T0, 0]×T
n×BR(R

N) where P⊥ = 1−P is the complementary projection
operator.

(F3) Bµ = Bµ(t, x, u) andB = B(t, x, u) areMN×N -valued maps, andBi ∈ C0([T0, 0), C
∞(Tn×

BR(R
N),MN×N), B ∈ C0([T0, 0], C

∞(Tn × BR(R
N),MN×N), B

0 ∈ C1([T0, 0), C
∞(Tn ×

BR(R
N),MN×N) and they satisfy

(Bµ)T = Bµ, [P,B] = PB−BP = 0.

and Bi can be expanded as

Bi(t, x, u) = Bi
0(t, x, u) +

1

t
Bi

2(t, x, u)

where Bi
0, B

i
2 ∈ C0([T0, 0], C

∞(Tn ×BR(R
N),MN×N)).

Suppose there is B̃0, B̃ ∈ C0([T0, 0], C
∞(Tn,MN×N)), such that

[P, B̃] = 0, B0(t, x, u)− B̃0(t, x) = O(u), B(t, x, u)− B̃(t, x) = O(u)

for all (t, x, u) ∈ [T0, 0]× T
n × BR(R

N).

Moreover, there is B̃i
2 ∈ C0([T0, 0], C

∞(Tn,MN×N)), such that

PBi
2(t, x, u)P

⊥ = O(Pu), P⊥Bi
2(t, x, u)P = O(Pu),

P⊥Bi
2(t, x, u)P

⊥ = O(Pu⊗Pu), P(Bi
2(t, x, u)− B̃i

2(t, x))P = O(u),

for all (t, x, u) ∈ [T0, 0]× T
n × BR(R

N).
(F4) There exists constants κ, γ1, γ2 such that

1

γ1
1 ≤ B0 ≤

1

κ
B ≤ γ21

for all (t, x, u) ∈ [T0, 0]× T
n × BR(R

N).
(F5) For all (t, x, u) ∈ [T0, 0]× T

n × BR(R
N ),

P⊥B0(t,P⊥u)P = PB0(t,P⊥u)P⊥ = 0.

4The notations used in this Appendix, such as O(·), O(·), and BR(R
N ), are defined in [5, §2.4].
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(F6) There exist constants θ and βℓ ≥ 0, ℓ = 0, · · · , 7, such that

divB(t, x, u, w) :=∂tB
0(t, x, u) +DuB

0(t, x, u) · (B0(t, x, u))−1
[

−Bi(t, x, u) · wi

+
1

t
B(t, x, u)Pu+H(t, x, y) + |t|−

1

2F (t, x, u)
]

+ ∂iB
i(t, x, u)

+DuB
i(t, x, u) · wi,

where w = (wi) and (t, x, u, w) ∈ [T0, 0)× T
n × BR(R

N)×BR(MN×n), satisfies

PdivBP = O
(
θ + |t|−

1

2β0 + |t|−1β1

)
, (B.22)

PdivBP⊥ = O

(

θ + |t|−
1

2β2 +
|t|−1β3

R
Pu

)

, (B.23)

P⊥divBP = O

(

θ + |t|−
1

2β4 +
|t|−1β5

R
Pu

)

(B.24)

and

P⊥divBP⊥ = O

(

θ +
|t|−

1

2β6

R
Pu+

|t|−1β7

R2
Pu⊗Pu

)

. (B.25)

Now let us present the global existence theorem for the Fuchsian system (see [5] for detailed
proofs).

Theorem B.2. Suppose that k ∈ Z>n
2
+3, u0 ∈ Hk(Tn) and conditions (F1)–(F6) are fulfilled,

and the constants κ, γ1, βℓ (ℓ = 0, 1, · · · , 7) from the conditions (F1)–(F6) satisfy

κ >
1

2
γ1max

{ 3∑

ℓ=0

β2ℓ+1, β1 + 2k(k + 1)b
}

(B.26)

where

b := sup
T0≤t<0

(
‖|PB̃D(B̃−1B̃0)(B̃0)−1PB̃i

2P|op‖L∞ + ‖|PB̃D(B̃−1B̃i
2)P|op‖L∞

)
.

Then there exist constants δ0, δ > 0 satisfying δ < δ0, such that if

‖u0‖Hk ≤ δ,

then there exists a unique solution

u ∈ C0([T0, 0), H
k(Tn)) ∩ C1([T0, 0), H

k−1(Tn)) ∩ L∞([T0, 0), H
k(Tn))

of the initial value problem (B.19)–(B.20) such that P⊥u(0) := limtր0 P
⊥u(t) exists in Hs−1(Tn).

Moreover, for T0 ≤ t < 0, the solution u satisfies the energy estimate

‖u(t)‖2Hk −

∫ t

T0

1

τ
‖Pu(τ)‖2Hkdτ ≤ C(δ0, δ

−1
0 )‖u0‖

2
Hk .
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Spacecraft and drones aimed at exploring our solar system are designed to

operate in conditions where the smart use of onboard resources is vital to the

success or failure of the mission. Sensorimotor actions are thus often derived

from high-level, quantifiable, optimality principles assigned to each task, uti-

lizing consolidated tools in optimal control theory. The planned actions are

derived on the ground and transferred onboard where controllers have the

task of tracking the uploaded guidance profile. Here we argue that end-to-

end neural guidance and control architectures (here called G&CNets) allow

transferring onboard the burden of acting upon these optimality principles.

In this way, the sensor information is transformed in real time into optimal

plans thus increasing the mission autonomy and robustness. We discuss the

main results obtained in training such neural architectures in simulation for

interplanetary transfers, landings and close proximity operations, highlight-
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ing the successful learning of optimality principles by the neural model. We

then suggest drone racing as an ideal gym environment to test these architec-

tures on real robotic platforms, thus increasing confidence in their utilization

on future space exploration missions. Drone racing shares with spacecraft

missions both limited onboard computational capabilities and similar control

structures induced from the optimality principle sought, but it also entails dif-

ferent levels of uncertainties and unmodelled effects. Furthermore, the success

of G&CNets on extremely resource-restricted drones illustrates their potential

to bring real-time optimal control within reach of a wider variety of robotic

systems, both in space and on Earth.

Introduction

The design of a space exploration mission heavily relies on optimality principles. Given the

absence of a safe harbor in space, every onboard resource, including propellant mass, available

energy, and computing capabilities, must be utilized parsimoniously to ensure the highest possi-

ble mission return. Even with safety margins built into the mission plan, executing sub-optimal

plans can result in the failure of the entire mission. To address this challenge, optimal control

models have been developed that capture the optimality principles relevant to different mission

phases and translate them into elaborate system behaviours. In practice, the optimal guidance

profile that follows the application of abstract optimality principles is carefully derived on the

ground, well ahead of the mission launch, for most flown and planned missions. The plan is

then uploaded onboard and acted upon by the dedicated control system that, using the specific

actuators available, tracks the planned profile continuously canceling incurred deviations. This

approach is common to interplanetary trajectory phases, landing phases, surface exploration

phases, formation flying missions and more (see Figure 1), thanks to the abstract nature of the
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well-established optimal control theory which allows to capture different dynamics, actuator

models and timescales well. It also has the advantage of being a well-tested and validated ap-

proach with a history of successfully embedding optimality principles in the on-board control

system allowing missions to meet their requirements.

This common approach is, however, known to be sub-optimal. It violates a ‘minimal inter-

vention’ principle, well described by Todorov and Jordan (1): efforts in correcting deviations

from an average path should be only made when interfering with the task performance. In our

context, in case of a deviation from the pre-planned trajectory, the onboard controller should not

try to steer back the system to it as the new situation may require other actions for optimality.

The approach also carries higher risks in missions where significant unmodeled effects, noise,

uncertainties, and unforeseen events are present, which could result in strong deviations from

the original plan. In such cases, a new optimal guidance profile may need to be developed on

the ground and uploaded to the spacecraft, greatly hindering its autonomy.

This raises the question of why space missions do not continuously re-plan and compute the

optimal guidance profile onboard, for example, by employing Model Predictive Control (MPC).

Recent efforts have been made to develop MPC approaches for various mission profiles, aiming

to overcome these limitations. MPC has been studied in the last decades as a promising control

approach for aerospace systems (see Eren et al. (2) for a review of MPC in this context) allowing

to automate on-board the task of transforming high-level optimality principles into actions. It

relies on the availability of numerical methods to solve reliably some form of an optimal control

problem, starting from the information on the current system state and the time. This online

optimization returns an optimal sequence of open-loop predicted actions, the first of which is

considered the best current control action. Despite great advances in the associated numerical

techniques and theory (3), the uptake of modern MPC approaches in space missions remains

limited by the available on-board computational capabilities and the reliability of the existing
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numerical solvers.

A different, albeit related, approach appeared more recently in the robotics as well as in the

aerospace field. It is loosely inspired by models that interpret sensorimotor action in humans

in terms of optimal control theory (4), thus suggesting how optimality principles, in the math-

ematical sense, are deeply embedded directly in the neuro-musculo-skeletal system. The new

approach attempts to mimic this structure in the guidance and control architecture of space sys-

tems and thus to train a deep artificial neural network (DNN) to represent directly the relation

between the system state and its action under some predefined task and optimality principle.

In this context, the network depth refers to the use of multilayer perceptrons that are capable,

already with a few layers, of a high representativity (5, 6). Following this approach, the guid-

ance and control blocks of a typical space mission control architecture are substituted with one,

end-to-end, DNN which does not need any form of a reference trajectory and is thus also called

a Guidance and Control Net or G&CNet (7, 8). In comparison to the MPC approach, the step

of having to solve on-board an instance of the optimal control problem is bypassed and sub-

stituted by a single, computationally less expensive, neural inference (see Figure 2). Most of

the desirable properties of MPC (2) are instead retained, while the new architecture requires or-

ders of magnitude fewer on-board computational resources. Ongoing research in this emerging

approach is focused on designing an efficient procedure to train the weights of artificial neural

networks to accurately represent the desired task execution.

In this review, we discuss the use of G&CNets as a viable and promising path towards

achieving on-board optimal decision-making in different space mission scenarios. We then

discuss two main avenues available for training such networks in the context of space missions:

(a) imitation learning, also known as behavioral cloning (essentially supervised learning) and

(b) reinforcement learning. After evaluating the current state-of-the-art for both approaches,

we conclude by proposing drone flight racing as a safe stepping stone towards the on-board
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implementation of such networks for real missions. We finally present concrete examples of the

capabilities of embedded G&CNet implementations using drones as a model system.

Optimality in guidance and control of space systems

Space systems are typically well characterized and tested extensively on the ground prior to

launch. Their mass, inertia tensor, flexibility, and thrusters are all subject to thorough testing,

and precise models of the entire system behavior are developed well in advance of the mission

launch. However, in some cases, the development of the control system of a space system still

requires the consideration of stochastic terms in its dynamics. Uncertainties can arise from

unmodelable (or difficult to model) effects originating either from the system itself or from the

environment in which it is designed to operate. Examples of the former include fuel sloshing

(9,10), mis-thrust events (11–13), or corrupted sensor measurements (14). Uncertainties coming

from the environment arise, for example, in deep space missions to asteroids where the body

shape is known only to a limited extent during most mission phases (15, 16), or in situations

where the atmosphere of some celestial body plays a role such as re-entry, aero-capture or

exploratory drone flights (17–19). Uncertainties about solar activity or other space environment

quantities also result in unmodeled effects.

In any case, ignoring the stochastic contribution and using the sophisticated mathematical

framework for deterministic optimal control emerged from the work of Pontryagin (20) offers

a starting point in understanding the underlying structure rising from chosen optimality prin-

ciples. Under this framework, it is well known how the optimal feedback is a discontinuous

and non-linear function of the system state already for most simple low-dimensional and linear

systems (20). An informing example is that of the time optimal precession angle control of

a spinning satellite (21) where the analytical solution is available and allows exceptionally, to

observe the optimal control switching structure in the full state space, revealing the extremely
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nonlinear and discontinuous nature of such a function (see Figure 3). This is the case for time

optimality, but also and to a larger extent for higher dimensional cases and propellant mass op-

timality: the primary optimality principle for most deep-space mission phases. In deep-space

missions, thrust is mostly achieved through the ejection of propellant mass which causes the

spacecraft to lose mass and accelerate in the opposite direction. This specific form of control

for mass varying systems creates a distinct structure of the resulting optimal actions which is the

subject of a large body of works from the aerospace community (see for example (22)). Thrust

is also often modeled as a sequence of impulsive velocity changes rather than as a continuous

action, and dedicated concepts such as the primer vector introduced by Lawden (23) have been

used to expand upon Pontryagin work and help to answer complex questions on the resulting

intricate structure of the optimal sequence of impulsive maneuvers (24–27).

When stochastic terms are considered in the system dynamics, the mathematical structure

of the optimal control problem undergoes a significant change. As a result, Pontryagin theory

is no longer applicable, and Bellman’s dynamic programming methods (28) offer a more ap-

propriate tool based on the concept of the optimal cost-to-go or value function (29). This added

complexity is captured by a set of nonlinear, second-order, partial differential equations known

as the Hamilton-Jacobi-Bellman equations (30). Finding a solution to these equations yields the

value function and thus the optimal policy, but even in the simplest cases, it can be challenging,

particularly for problems of interest in this context.

Most importantly, Belmann’s mathematical framework allows for demonstrating the exis-

tence and uniqueness of solutions in terms of the value function, and thus the existence (outside

of singular corner cases) of optimal feedback in the form u∗(x) where u∗ denotes the optimal

feedback and x denotes the system state. In summary, for any (deterministic or stochastic) task,

the current system state and an associated optimality principle are sufficient to decide upon the

action to be taken. However, such an optimal state-action mapping is nonlinear, discontinuous,
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and has an extremely intricate differential structure.

Embedding optimality principles into neural models

Artificial neural networks are highly versatile in their ability to approximate complex and dis-

continuous functions, even in their simplest shallow feed-forward architecture, as recently re-

discussed in depth by Calin (31). They have been demonstrated to represent the optical charac-

teristics of complex 3D scenes with remarkable detail, as evidenced by the work of Mildenhall

et al. (32), as well as to model the gravitational field of irregular bodies in the solar system with

a precision exceeding that of classical methods, such as spherical harmonics expansions (33).

Therefore, DNNs are an obvious choice for representing the complex structure of the optimal

policies u∗ (or the value function v) often needed in space missions. A DNN (here denoted

generically with Nθ) can formally approximate, within some tolerance ε, a parametric optimal

feedback of the form u∗(x,p) = Nθ(x,p) + ε, where the parameters p may capture different

tasks, objectives and environmental properties, such as constraints and unknown gravitational

effects. As a result, the biases and weights θ of the neural model incorporate multiple opti-

mality principles, which are subsequently converted into control commands through onboard

inference. This inference process is becoming increasingly efficient due to the development of

dedicated AI accelerators for on-the-edge space systems, leading to the creation of new dedi-

cated hardware (34). AI-focused processors were embarked in the Φ-Sat-1 (35) mission, field-

programmable gate arrays (FPGAs) on OPS-SAT (36) and HYPSO-1 (37,38), and graphics pro-

cessing units (GPUs) are being considered for future non-mission-critical applications (39, 40).

The use of DNNs for onboard systems with limited computational resources, such as space-

craft, cubesats, and planetary drones, has been only recently proposed in the context of space

missions and is attracting the attention of a growing number of scientists. The term G&CNets

(guidance and control network) (7, 8), introduced in early studies at European Space Agency,

7



is here used to indicate such DNNs promising to replace traditional control and guidance ar-

chitectures in future space missions. G&CNets main attractiveness stems from their promise

to bypass problems connected to the onboard solution of optimal control problems, typical for

example of classic MPC schemes (2), at the cost of introducing the need of pre-training robust

neural models on the ground. Trivially, in the limit case in which both an MPC and a G&CNets

are able to compute the actual true optimal-feedback u∗ without errors and with similar compu-

tational complexity, they are equivalent. Two main approaches are mostly being studied in the

context of G&CNets training: supervised learning and reinforcement learning.

Approaches based on Supervised Learning

The model parameters θ of the DNN approximating the parametric optimal feedback Nθ(x,p)

can be learned via a supervised learning approach provided some dataset D := {(x,p),u∗}

is available containing optimal state-action pairs for one or more tasks represented by p. This

approach can also be referred to as imitation learning (6) or behavioral cloning (41) to highlight

the control aspect of the dataset to be learned. After the successful demonstration over a range

of simulated landing tasks (5), a large number of works independently tested the capabilities of

imitating the optimal control in diverse space contexts such as lunar and Mars landing (41, 42),

irregular asteroid landings (43), low-thrust missions and orbital transfers (44–46), solar sailing

(47), proximity operations (48), drone flights (6) and mis-thrust problems (49). While achieving

convincing results in many of the cases reported, much research still needs to be done to tackle

the issues connected to the imitation learning approach: the efficient creation of a datasetD, the

verification of requirements on the resulting onboard control system (50), and the inclusion of

mechanisms able to cope with unmodeled components (49).

The creation of a dataset D requires running numerical optimal control solvers over a large

set of initial states. This demanding computational effort can be alleviated by the use of tech-
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niques leveraging the proximity to previous solutions found (such as homotopy or continua-

tion (51)), but remains a limiting factor, although not one burdening the on-board inference

speed. As a consequence, the number of optimal trajectories needed to build D and test the

capabilities of an imitation learning approach to G&CNets, have been, so far, mostly limited

to the order of tens of thousands (46, 47, 49, 52). Small datasets are unable to harness the full

potentials of a deep supervised learning pipeline and only allow for partial investigations of the

potentials of G&CNets, restricting possible results to only small portions of the state space. In

cases where Pontryagin’s theory can be used to derive necessary conditions for optimality via

the introduction of a two-point boundary value problem defined on the augmented dynamics

(indirect methods) a technique called Backward Generation of Optimal Examples - or BGOE -

(see Figure 4) has been recently introduced to allow the creations of datasets D orders of mag-

nitude larger than what is otherwise possible. BGOE has been used in the context of studies

on Earth-Venus mass optimal interplanetary transfers (44), as well as time-optimal asteroid belt

mining missions (45), showing promising results and allowing the creation of public datasets

containing millions of optimal trajectories rather than only a few thousand.

Studies on the use of BGOE are still preliminar, and the technique cannot be used in gen-

eral, for example in contexts where indirect optimization methods fail. As a consequence, most

of the past works on imitation learning for G&CNets suffer from an insufficient representa-

tivity of the trained network, resulting in the system state propagating outside the training set

and thus the onboard closed-loop becoming unstable. In the presence of strong perturbations

and uncertainties, this can be the case even if the dataset size is appropriate. To tackle this

issue, approaches of data augmentation implementing different variations of the DAGGER (53)

technique have been proposed and used (41, 42, 49, 52), but also criticized as they increase the

burden of generating additional optimal state-action pairs.

Finally, the question of how many different tasks and optimality principles can be embedded
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in a single DNN via imitation learning remains open as work addressing the issue has only

been carried out preliminarily for interplanetary trajectories (54) and drones (55, 56). These

early results show how the introduction of multiple tasks and environment variables encoded

in the extra parameters p seem to help in regularizing the discontinuous behavior resulting

from aggressive optimality principles as well as in coping with unforeseen unmodeled external

perturbations (see the later section on onboard drone flight implementation).

Approaches based on Deep Reinforcement Learning

A second approach suitable to learn the parameters θ of a G&CNet is deep reinforcement learn-

ing (DRL). DRL captures a large variety of approaches and numerical methods concerned with

the problem of an agent learning from experience, and not from expert demonstrations, a policy

to perform a specified task in its environment. The policy – often indicated with the sym-

bol πθ(u|x) – is represented by a DNN and returns the probability to choose the control u

given the agent state x. In a deterministic setting such a policy, when optimal, must corre-

spond to the solution of the related optimal control problem so that one can formally write

π∗
θ(u|x) = δ(u − u∗(x)) where the Dirac delta has been employed to indicate certainty over

choosing the optimal feedback u∗. In a stochastic setting, the DNN typically outputs some

statistical property of the policy, most commonly its mean value – the variance being often con-

sidered constant. In order to use DRL to train the parameters of a G&CNET, the continuous

control problem has to be modeled as an agent that learns through a sequential decision-making

process, a Markov Decision Problem (MDP), where the simulated environment includes all

types of uncertainties relevant to the particular mission phase considered. Early works (57,58),

for example, applied this approach to the problem of controlling a spacecraft hovering over

an asteroid with an uncertain gravity field and considering a stochastic dynamics perturbed by

solar radiation pressure acceleration as well as accounting for sensor noise. The approach was
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later extended and refined to interplanetary transfers (8, 59), rendezvous and docking (60, 61),

planetary landing problems (62) as well as drone flights (63, 64). In all these cases the trained

DNN is suitable for on-board utilization and proved to be robust to different levels and types

of stochastic effects. While very promising, the DRL approach has much to prove in terms

of actual optimality. Optimality principles as well as terminal and path constraints are all en-

capsulated in the so-called reward function driving most of the agent learning. Engineering an

appropriate reward function turns out to be problematic in most cases and, when successful, it

is unclear to what optimality principle it corresponds to. This is not necessarily an issue when

optimality with respect to an assigned objective is not of primary concern, but it is nevertheless

something to be well aware of in most scenarios of interest to space missions. Not surprisingly,

the sub-optimality resulting from the DRL approach is noted and quantified by the authors of

successful implementations (8, 59, 60). In this context, it may be argued how modern DRL ef-

forts do not seek to optimize a given objective function better than methods based on optimal

control theory, but that instead they intrinsically define a better objective. We agree that this

may be indeed the case, but only for systems where uncertainties are prevailing and approaches

grounded on the underlying optimal control theory (i.e. Bellman equations) fail to provide suf-

ficient performances. A common criticism toward the DRL approach derives from its intense

computational requirements that can result in three orders of magnitude larger computational

times to find a policy with respect to, for example, running one single optimal control solver (8).

Finally, to the best of our knowledge, there are no attempts to include in the DRL framework

the possibility to learn a class of policies and thus embed in the same deep network multiple

space tasks, objectives and constraints.
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Testing on Flying drones

The field of onboard guidance and control of space systems using deep neural networks (DNNs),

specifically the G&CNet architecture, is in its infancy. To gain acceptance within the aerospace

community as a potential improvement over current guidance and control (G&C) schemes,

convincing evidence of its embedded capabilities is necessary, as well as of the possibility

to offer guarantees on the resulting system behavior. With much of the current research on

G&CNets focused on simulations, concerns are raised that the reality gap may be overlooked.

Drone racing platforms share similarities with space systems, as they too have limited on-

board resources and require careful optimization of their utilization. The time optimality prin-

ciple in drone racing, coupled with the complex dynamics of the drones, provides a valuable

comparison to the mass optimality principles preeminent in space missions. An ongoing effort is

underway to integrate G&CNets into quadcopter flight control systems, aiming to achieve end-

to-end control with optimal flight time and to increase the trust in the use on-board spacecraft.

Building upon research that employed simplified quadcopter models in simulations (5, 6) and

performed real-world flight tests where G&CNets were utilized for longitudinal control (65),

tests have been conducted where a high-dimensional quadcopter model with sixteen degrees

of freedom was employed to compute the optimal-feedback for the networks to imitate. The

networks were then trained for end-to-end control, which involved sending motor commands

directly without any intermediate controllers (55, 56). This approach granted the network com-

plete control authority, allowing it to handle actuator saturation directly and without being con-

strained by an inner-loop controller as in previous attempts. However, this also posed new

challenges, as the time optimality principle pursued resulted in aggressive maneuvers that were

highly dependent on the network’s ability to accurately replicate the ground truth optimal ac-

tions. Due to the short dynamical timescale of the quadcopter flights considered (on the order
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of seconds), even minor discrepancies in the network’s performance significantly impacted the

overall control accuracy. In hover-to-hover flights, unmodeled moments caused the drone to

take a sub-optimal path, diving down and overshooting its target. Additionally, modeling er-

rors accumulated and caused deviations from the optimal plan, which destabilized the trajec-

tory (56).

Despite the difficulty in modeling the system dynamics, sensor measurements onboard can

be used to detect discrepancies between predicted and actual forces and moments. This suggests

to modify the G&CNet adding to its inputs estimated unmodeled effects. A modified network

Nθ(x,p) can then trained to approximate the solution of a parametric optimal control problem

where p represents the discrepancy between the modeled dynamics and the observed behavior.

By comparing the predicted and measured moments onboard and using their difference as input

to the network (56), G&CNets have been shown to adapt to unexpected moments delivering a

significant improvement in stability and optimality, as illustrated during real flights of a Parrot™

AR 2.0 drone in Figure 5a.

In (55), a similar approach was adopted, where the G&CNet was modified to instead han-

dle unexpected actuator saturations. It was demonstrated that the knowledge of the actuator’s

limits was crucial to remain on the optimal path during high-speed successive waypoint flights.

By estimating a model parameter onboard (in this case, the maximum motor revolutions per

minute) and feeding it back into an additional neural network input, G&CNets can thus cope

with unmodeled effects, as shown in Figure 5b.

Additional parameters fed into a G&CNet can also represent different tasks. For instance,

in (55), a G&CNet is also trained to fly through two waypoints, where the waypoint positions

in space, boundary conditions to the optimal control problem, can vary. When computing the

state-action pairs to use in the training dataset, different distances between waypoints are used,

and the network thus learns to represent the solution of the optimal control problem specific
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to the parametric geometry it receives as additional input. During flight, the network can then

optimally plan a path through two waypoints, where the second waypoint position is displaced,

as illustrated in Figure 6.

G&CNets face significant challenges when highly aggressive or acrobatic maneuvers are

pursued on drones. The G&CNets here showcased during in real flights were trained to imi-

tate energy optimal control (56) or a mixture of energy and time optimal control (55). Energy

optimality was preferred as it resulted in smoother trajectories, which were simpler to learn

and execute. However, moving towards more time-optimal trajectories also creates a challenge

as the optimal solution approaches a bang-bang profile, which is increasingly difficult to learn

(see Figure 3c), particularly for the small networks used (55). Moreover, the aggressive com-

mands will steer the drone toward the edge of its flight envelope where the dynamics are most

unpredictable. Therefore the reality gap problem remains the biggest obstacle to this approach

in the context of aggressive maneuvering. Although the adaptive networks have shown signif-

icant robustness improvement, additional alterations are necessary to guarantee more general

robustness for modeling errors, sensor noise and delays.

These findings demonstrate that relatively small G&CNets, in this case a feed-forward neu-

ral network with three hidden layers consisting of 120 neurons each, are capable of representing

a broad range of optimal control problems and tasks effectively. The resulting G&CNets are

able to cancel out, rather than accumulate the errors made in-flight, both in simulation and on

the real quadcopter. This is in part possible because they can be made adaptive, but also because

they can be inferred at a high rate (450Hz) in real-time, onboard of the drone (as measured on

the Parrot P7 dual-core Cortex A9 CPU). A Dual-core 800 MHz ARM Cortex-A9 processor

is also currently orbiting on-board the European Space Agency’s OPS-SAT satellite (66), thus

making the results achieved of particular interest here as they map closely to the space systems

with similar computational capabilities.
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Future works

Small neural networks have demonstrated, in several scenarios relevant to space exploration,

their ability to capture optimality principles and perform various guidance and control tasks

requiring significant levels of autonomy. As the development of specialized accelerators for on-

board inference continues to grow (34), there is increasing interest in exploring which additional

capabilities can be integrated into larger networks. However, due to the data-intensive nature of

deep architectures, the efficient generation of training examples is imperative for realizing the

potential of larger networks. End-to-end training of large models, when performed on-board

spacecraft, remains an open question, subject to availability of on-board acceleration and the

development of distributed learning systems as a key enabling technology. (67) This could result

in significant autonomy benefits for future deep space missions, and recent interest in satellite

swarms and constellations may rapidly lead to new developments in this field.

The question of whether the training procedure of G&CNets should imitate optimal exam-

ples or utilize a reinforcement learning paradigm remains open and can today only be answered

on a case-per-case basis, based on on the user’s desired trade-off between computational ef-

ficiency, robustness, quest for optimality and interpretability. While exploring the synergies

between these two approaches may lead to innovative, hybrid solutions, it is clear that this topic

will continue to fuel scientific discussions in the years to come.

Unresolved challenges remain regarding the complete qualification and validation of artifi-

cial neural networks when embedded into mission-critical systems like the guidance, navigation

and control subsystem. To achieve certification, end-to-end neural guidance and control imple-

mentations need to demonstrate robustness to stochastic parametric and dynamic system un-

certainties, as well as compatibility with modern fault detection, isolation and recovery (FDIR)

routines that require both significant explainability and adaptability. It is crucial to ensure that
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neural systems perform as intended under a range of operating conditions and environments

while meeting safety and performance requirements comparable with modern day control so-

lutions. This involves rigorous testing and validation of the underlying models and algorithms,

as well as ensuring that the system can operate reliably in the presence of uncertainties such

as sensor noise, communication delays, and other disturbances commonly faced in space appli-

cations. Fortunately, recent developments in explainable artificial intelligence (XAI) offer new

possibilities for developing more comprehensive deep neural models that can provide greater

transparency and understanding of their capabilities and limitations, which could ultimately

unlock mission-critical certifications. (68)

Neuromorphic technologies have recently emerged as promising enablers for on-board edge

computing and learning applications in space. These technologies propose novel software and

hardware designs inspired by biological neural systems, with a focus on low-power and en-

ergy efficiency, which are highly synergetic with space applications. The widespread availabil-

ity of neuromorphic Dynamic Vision sensors (69) and chips (70) has led to a recent surge of

publications on the use of event-based cameras and spiking neural networks on-board space-

craft (71–74), with an event-based sensor having even recently been sent to the International

Space Station (75). Of particular interest for G&CNets is the neuromorphic promise to enable

real-time continuous learning, with the potential to revolutionize neural guidance and control

capabilities and robustness.

Conclusions

In this study, we have reviewed a nascent trend in neural spacecraft guidance and control that

leverages an on-board deep artificial neural network (DNN) to capture the correlation between

the spacecraft’s state and its optimal actions, inspired by the presence of optimality principles

in human sensorimotor actions. The proposed Guidance and Control Net (G&CNet) archi-
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tecture is computationally efficient, suitable for real-time on-board processing and has shown

great potential in representing complex optimal state-feedback relations in various scenarios of

interest while maintaining many of the favorable attributes of more classical control methods.

Preliminary attempts to build trust in this approach have been presented that successfully embed

G&CNet on-board drones on hardware compatible with modern space CPUs using time-optimal

flights as a proxy for a real space guidance and control system.

Looking ahead, we foresee the adoption of on-board neural guidance and control becoming

more widespread in the future, as it enables the necessary autonomy to meet the ambitious goals

of future space missions, while parsimoniously utilizing on-board available resources.
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33. D. Izzo, P. Gómez, Geodesy of irregular small bodies via neural density fields, Communi-

cations Engineering 1, 48 (2022).

34. G. Furano, et al., Towards the use of artificial intelligence on the edge in space systems:

Challenges and opportunities, IEEE Aerospace and Electronic Systems Magazine 35, 44

(2020).

35. G. Giuffrida, et al., The phi-sat-1 mission: The first on-board deep neural network demon-

strator for satellite earth observation, IEEE Transactions on Geoscience and Remote Sens-

ing 60, 1 (2022).

20
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Figure 1: Optimality principles determine the decision-making during different phases
of exploration missions. a) During an interplanetary phase, the spacecraft dynamics is well
identified. Uncertainties are limited and the departure from a theoretical mass optimal guidance
is of less importance also thanks to the relatively slow dynamics involved. b) During a landing
phase, according to the specific mission profile, the adaptiveness and robustness of the planned
actions have a larger impact on the mission success, also considering that human operators
are typically too far away to allow re-planning within an acceptable timeframe. c) During a
planetary exploration phase (e.g. rovers or flying drones) uncertainties are larger and optimality
principles such as careful use of available onboard energy need to be embedded into highly
disturbed and fast dynamics.
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Figure 2: G&CNets have a similar role to Model Predictive Control in the architecture
of an autonomous mission. A) MPC iteratively solves on-board optimal control problems
predicting state and actions over a defined time horizon, based on an existing system model.
This results in possible optimality guarantees with full predictive information, at the expense of
significant on-board computational burden determined by the complexity of the system model
and optimal control problem to be solved. B) A G&CNet inference directly transforms the
system state into actions. B.1) When trained using RL, an agent learns from experience the
final probabilistic policy, based on a critical reward-feedback loop with the environment. The
resulting architecture can be resilient to stochastic disturbances but is often based on engineered
reward functions that depart from the original optimality principle assigned. B.2) When trained
via supervised learning the network captures a clear optimality principle in its structure, directly
inferring optimal actions from the state feedback at high frequency. Such a solution allows for
fast direct inference with limited hardware requirements and is possibly subject to instability
and lack of robustness when the state falls outside the set used to train the network.
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Figure 3: Challenges in approximating optimal feedback with a G&CNet. a) Optimal con-
trol tasks can have very high-dimensional solutions. Already in simple precession control, a
complex structure emerges. In this case, the task is to lead in the shortest possible time, a
precessing satellite to a uniform rotation around its symmetry axis, thus canceling the com-
ponents ωx, ωy of its angular velocity. The resulting deterministic optimal control problem is
one rare case where an analytical solution can be derived, allowing us to peek into the struc-
ture of the optimal policy over the entire state space. According to the values of ωx, ωy the
thrusters are switching direction in correspondence of a complex and discontinuous switching
line. Resulting time-optimal trajectories are shown in color.b) The optimality principle pursued
affects the resulting control profile and its gradient. Here the optimal control commands from
energy-optimal to time-optimal quadcopter landings are shown (55). c) Smooth control profiles
result in smaller errors compared to non-smooth bang-bang profiles when approximated by a
G&CNET.
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Figure 4: The backward generation of optimal examples (BGOE) technique, allows to
generate orders of magnitude larger datasets by perturbing one nominal solution. a) The
nominal solution for the case of a time-optimal transfer from the asteroid belt to Earth (visual-
ized in a rotating frame). b) Two bundles of 200,000 optimal trajectories found applying BGOE
to the nominal solution. Larger perturbations of the nominal trajectory result in better coverage
of conditions close to the Earth (short bundle), which reduces the likelihood that the spacecraft
lands outside of the training data (45). For comparison, the generation of all 400,000 trajectories
uses the same numerical resources used to generate one nominal optimal solution.
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Figure 5: G&CNets robustness to model mismatch. Two examples of real autonomous flights
of a Parrot™ AR drone 2.0 in the TU Delft Cyberzoo: a) Unmodeled moments are detected
in real-time on-board and fed back to the G&CNet. b) Unexpected early saturation of the
motor revolutions per minute is present. The saturation is estimated on-board and fed back to
the G&CNet. In both cases, the improvements with respect to the non-parametric version are
evident. The initial drone position is also shown with a white border.
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Figure 6: Embedding multiple task in one G&CNet. Real autonomous flights of a Parrot™

AR drone 2.0 in the TU Delft Cyberzoo. During this specific test, the same G&CNet is shown to
have learned to imitate the optimal feedback in two distinct tasks differing in the final waypoint
position. The position of the next waypoint is fed to the DNN as an extra parameter. The initial
drone position is also shown with a white border.
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Black hole images are theoretically predicted—under mild astrophysical assumptions—to display
a stack of lensed “photon rings” that carry information about the underlying spacetime geometry.
Despite vigorous efforts, no such ring has been observationally resolved thus far. However, planning
is now actively under way for space missions targeting the first (and possibly the second) photon rings
of the supermassive black holes M87* and Sgr A*. In this work, we study interferometric photon ring
signatures in time-averaged images of Kerr black holes surrounded by different astrophysical profiles.
We focus on the first, most easily accessible photon ring, which has a larger width-to-diameter ratio
than subsequent rings and whose image consequently lacks a sharply defined diameter. Nonetheless,
we show that it does admit a precise angle-dependent diameter in visibility space, for which the Kerr
metric predicts a specific functional form that tracks the critical curve. We find that a measurement
of this interferometric ring diameter is possible for most astrophysical profiles, paving the way for
precision tests of strong-field general relativity via near-future observations of the first photon ring.

I. INTRODUCTION

Theoretical work [1–4] predicts that—under some mild
assumptions—images of an astrophysical Kerr black hole
generically display a stack of nested “photon rings,” each
of which is a strongly lensed image of the main emission
superimposed on top of the direct image. These rings
may be labeled by the number n of half-orbits executed
around the black hole by their constitutive photons on
their way from source to observer. The full set of n ≥ 1
rings is often collectively referred to as “the photon ring”:
a striking feature that dominates simulated black hole
images, and a signature stamp of strong gravity (Fig. 1).

Despite vigorous efforts [5–8], Event Horizon Telescope
(EHT) observations from Earth of the supermassive black
holes M87* and SgrA* [9, 10] have yet to experimentally
resolve any photon ring [11, 12]. Space missions targeting
their first (n = 1)—and possibly second (n = 2)—photon
rings are now being planned [13–15]. While a theoretical
prediction for the interferometric signature of the n ≥ 2
rings has already been derived [15–18] and explored [19–
21], a sharp prediction for the interferometric signature
of the more readily accessible n = 1 ring is still lacking.
This paper formulates such a prediction (Sec. III F).

II. PHOTON RING IMAGES

The lensing behavior of the Kerr geometry confers two
properties to the appearance of the photon ring. First,
since each subring is a mirror image of its predecessor, the
full photon ring must exhibit a self-similar substructure,
which in the limit n → ∞ is completely characterized
by three critical exponents γ, δ, and τ that respectively
control the demagnification, rotation, and time delay of
successive images [3]. The analytically known parameters
(γ, δ, τ) depend only on the mass and spin of the black
hole—as well as the photon orbital radius [2, 3]—and may
in principle be measured from observations of light echoes
or their characteristic pattern of autocorrelations [22, 23].

Since successive subrings are exponentially demagnified
by ∼ e−γ , the large-n rings quickly become so narrow in
the image plane of a distant observer that they may—
to a very good approximation—be regarded as infinitely
thin, mathematical curves Cn. In fact, this is an excellent
approximation for n ≥ 2, as the second (n = 2) photon
ring already appears extremely thin; typically, only the
first (n = 1) ring displays a noticeable thickness (Fig. 1).

The second property is closely tied to the exponential
subring demagnification: the photon rings must converge
(exponentially fast in n) to a theoretical “critical curve” in
the image plane of an observer, which corresponds to the
image of the black hole’s (asymptotically) bound photon
orbits. First derived by Bardeen [24], this analytically
known curve—call it C̃—delineates the apparent cross-
section of a black hole in the sky. It is fully determined by
the Kerr geometry (together with the observer inclination
θo). Thus, the critical curve is the “n→∞ photon ring”

C̃ = C∞ ≡ lim
n→∞

Cn, (1)

and indeed, photons that appear exactly on C̃ lie on null
rays that were unstably trapped (in the far past) within a
region of spacetime just outside the event horizon, which
is now known as the “photon shell” [2, 3]; see also [25–27].

The preceding discussion leads to a simple description
of the large-n subring images: they appear as thin curves
Cn that closely track the critical curve C̃ = C∞, with the
deviations exponentially suppressed in n. As illustrated
in the bottom-right panel of Fig. 1, this description is
already valid for n = 2: the second photon ring looks like
a bright, narrow curve that sits exactly atop C̃ (drawn as
a dashed black line). On the other hand, the bottom-left
panel of Fig. 1 shows why this description fails for n = 1:
the first ring has a significant width, and its shape visibly
deviates from that of the (dashed black) critical curve.

Moreover, the appearance of the n = 1 photon ring—
both its thickness and deviation from C̃—can significantly
vary with the choice of astrophysical source. This leads
to the central question of this paper: can one produce a
sharp theoretical prediction for the n = 1 ring shape?
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III. INTERFEROMETRIC RING SIGNATURES

The key to predicting the n = 1 ring shape is to work in
Fourier space. Interferometers sample the radio visibility

V (u) =

∫
Io(xo)e−2πiu·xo d2xo, (2)

which is the Fourier transform of the sky image Io(xo).
The dimensionless baseline u sampled by two elements is
the distance separating them in the plane perpendicular
to the line of sight, in units of the observation wavelength.

An image of an infinitely thin ring produces a visibility
with a characteristic ringing pattern, whose periodicity
at polar angle ϕ in the baseline plane u = (u, ϕ) is set by
the (precise, well-defined) diameter of the ring at the cor-
responding angle φ = ϕ in the image plane xo = (ρ, φ).
On the other hand, if the ring has some thickness, then
its image lacks a well-defined diameter, but nevertheless
its corresponding visibility still rings with a characteristic
periodicity, from which a sharp notion of angle-dependent
“interferometric ring diameter” dϕ can thus be derived.

The main idea of this paper is to define the diameter
d
(1)
ϕ of the first (n = 1) photon ring from the periodicity

of its ringing interferometric signature. In the remainder
of this section, we will describe precisely how d

(1)
ϕ may be

recovered from the visibility (2) that is directly probed by
an interferometer, and formulate a guess for its functional
form. In the rest of the paper, we will then study a set of
astrophysical source models around a Kerr black hole and
show that the angle-dependent diameter d(1)ϕ of their first
photon ring follows this functional form to high accuracy.

A. Interferometric signature of a zero-width ring

To make sense of the preceding remarks, the first step is
to consider perfectly thin rings, or more generally, images
that consist of an infinitely narrow, bright curve C. If
C is closed and convex,1 then its shape can always be
parameterized in the Cartesian image plane xo = (α, β)
by the normal angle angle ϕ to the curve [17],

C = {(α(ϕ), β(ϕ)) |ϕ ∈ [0, 2π)} . (3)

In practice, given another parameterization (α(σ), β(σ))
of C, this parameterization may be obtained by solving

tanϕ(σ) = −α
′(σ)

β′(σ)
(4)

for the normal angle ϕ(σ) along the curve, and then plug-
ging the inverse σ(ϕ) into the original parameterization.

1 If C is not closed and convex, then it does not admit a single
normal-angle parameterization and must be covered by multiple
segments (xi(ϕ), yi(ϕ)) [17]; we will not consider such cases here.

Thereafter, one can compute the projected position of C,

f(ϕ) ≡ x(ϕ) cosϕ+ y(ϕ) sinϕ. (5)

This function completely encodes the shape of C, which
may still be recovered via the inverse relations

x(ϕ) = f(ϕ) cosϕ− f ′(ϕ) sinϕ, (6a)
y(ϕ) = f(ϕ) sinϕ+ f ′(ϕ) cosϕ. (6b)

From an interferometric perspective, however, it is most
natural to describe C via its projected position (5), which
turns out to be most closely connected to the visibility
(2) of C that an interferometer would directly sample.

To connect f(ϕ) to interferometric observables, we first
decompose it into its parity-even and parity-odd parts,

dϕ ≡ f(ϕ) + f(ϕ+ π), (7a)

Cϕ ≡
1

2
[f(ϕ)− f(ϕ+ π)] , (7b)

which are the angle-dependent projected diameter and
projected centroid displacement at angle ϕ in the image
of C, respectively—see [17] for further discussion of their
geometric interpretation. Here, we simply note that dϕ
and Cϕ carry all the information about the shape of C
that was stored in the projected position function, since

f(ϕ) =
dϕ
2

+ Cϕ. (8)

While it may seem that we have now doubled the degrees
of freedom needed to describe C, that is not in fact the
case because, as defined in (7), dϕ and Cϕ only range over
[0, π), repeating periodically thereafter. Geometrically,
this makes sense since the diameter and centroid are only
defined for pairs of points (ϕ,ϕ+ π) around the curve.2

We now come to the key conclusion of [16]: the Fourier
transform of an infinitely narrow curve C with projected
diameter dϕ and projected centroid Cϕ is approximately

V (u) ≈ e−2πiCϕu√
u

[
αL
ϕe
− iπ4 +iπdϕu + αR

ϕe
iπ
4 −iπdϕu

]
, (9)

where the coefficients αL,R
ϕ = αR,L

ϕ+π > 0 encode the polar
intensity profile around the curve, and the approximation
holds for udϕ � 1. In particular, the visibility amplitude
is a damped oscillation with radial periodicity ∆u = 1/dϕ
inside an envelope with a weak

√
u power-law falloff,

|V (u)| ≈

√(
αL
ϕ

)2
+
(
αR
ϕ

)2
+ 2αL

ϕα
R
ϕ sin (2πdϕu)

u
, (10)

which depends only on the projected diameter dϕ.

2 We also note that the π-periodicity of dϕ, Cϕ, and αL,R
ϕ ensures

that the Fourier transform (9) satisfies V (u, ϕ + π) = V ∗(u, ϕ),
as required by its definition (2) for a real image Io(xo) = I∗o (xo).



3

−10 −5 0 5 10
α/M

−10

−5

0

5

10
β
/M

0 40 70 100 200 285 400
Baseline Length u (Gλ)

10−5

10−4

10−3

10−2

10−1

100

V
isi

bi
lit

y
A

m
pl

itu
de

(J
y)

ϕ = 0◦n = 0
n = 1
n = 2
Total

−6 −4 −2 0 2 4 6
α/M

−6

−4

−2

0

2

4

6

β
/M

12.03

9.02

9.82

Best fit [40,70] Gλ = 9.88
Best fit [70,100] Gλ = 9.83

6420−2−4−6
α/M

6

4

2

0

−2

−4

−6

β
/M

9.85

9.67

9.73

Best fit [285,315] Gλ= 9.75

Critical Curve = 9.73

n = 0 n = 1

n = 2

FIG. 1. Top left: Adaptively ray-traced (with AART [21]) image of a stationary, axisymmetric, equatorial source with a radial
profile given by (23) with µ = 3r+/2, γ = 0, and ϑ = M . The inset panels decompose the image into its photon-orbit layers:
the direct (n = 0) image and the first two (n = 1 and n = 2) photon rings. Top right: The corresponding visibility amplitudes
for a spin-perpendicular (ϕ = 0◦) cut across the total image (black dashed line) and across each image layer. Bottom left:
The image of the n = 1 photon ring only. Three characteristic diameters are measured along a horizontal cut of the intensity
profile, corresponding to (from top to bottom): the distance between the location of the peaks in the intensity (9.82M), the
distance between the inner edges of the “n = 1 lensing band [21]” (9.02M), and the distance between the outer edges of the band
(12.03M). The diameter d(1)0◦ inferred from the characteristic ringing of the total visibility amplitude in two baseline windows
[40, 70]Gλ and [70, 100]Gλ is reported. Bottom right: Same as in the bottom-left panel, but for the n = 2 ring and with a
projected diameter d(2)0◦ inferred from the ringing in the baseline window [285, 315]Gλ. Here, the black hole spin is a/M = 94%,
the observer inclination is θo = 17◦, and the critical curve has a diameter of 9.73M along the considered horizontal cut.

On the other hand, the projected centroid Cϕ is only
encoded in the visibility phase, which we will henceforth

ignore as it is significantly harder to measure, and beyond
the reach of presently envisioned n = 1 ring observations.
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B. Interferometric signature of the photon ring

So far, we have argued that an image-plane curve with
angle-dependent diameter dϕ produces an interferometric
response on long baselines u � 1/dϕ that is completely
captured by the visibility (9). In particular, its visibility
amplitude displays a characteristic ringing signature (10)
whose periodicity at angle ϕ in the baseline plane encodes
the image diameter dϕ of the curve at image angle φ = ϕ.

Strictly speaking, this discussion only pertains to zero-
width curves. Intuitively, however, if the curve were in
fact a very narrow ring with a small width-to-diameter
ratio w/d � 1, then we would expect it to produce the
same response in an interferometer limited to sampling
only baselines uw � 1 too short to resolve the ring width.
This intuition was in fact proved in [16], which computed
the Fourier transform of such a thin ring to leading order
in w/d� 1, and found that the same approximation (9)
to the complex visibility still holds in the baseline range

1

d
� u� 1

w
. (11)

This range is aptly called the “universal regime” since all
thin rings produce the same universal signature (9)–(10)
on these baselines, regardless of their radial profile: it is
only on even longer baselines u >∼ 1/w that a ring profile
can be resolved and different rings can be distinguished.

For a ring with a smooth radial profile, the visibility
ought to decay very rapidly once its width is resolved.
Therefore, as first noted in [2] and extensively reviewed
in [3, 19, 21], the sequence of exponentially demagnified
photon rings described in Sec. II must produce a cascade
of damped oscillations on long baselines (see, e.g., Fig. 5
of [2]). Given that the (n+ 1)th photon ring has width

wn+1(ϕ) ≈ e−γ(ϕ)wn(ϕ) ≈ e−nγ(ϕ)w1(ϕ), (12)

the nth subring ought to dominate the signal in the range

1

wn−1
� u� 1

wn
, (13)

in which the (n−1)th ring has already been resolved out,
but the (n+1)th ring (whose flux is ∼ e−γ times weaker)
has yet to take over. Hence, we expect that for large n,
the visibility amplitude in the range (13) must adopt a
universal form (10) fixed by the nth ring diameter d(n)ϕ .

This expectation has been confirmed by simple models
[15, 19–21] for which these statements already hold to
very good approximation starting with the n = 2 ring, as
expected since its typical width w2

<∼ 0.1M and diameter
d ∼ 10M correspond to a width-to-diameter ratio <∼ 1%
suitable for an expansion in w2/d� 1. Indeed, [15] found
that the diameter d(2)ϕ of the n = 2 ring image could be
inferred from its visibility amplitude in the range (13).

In general, the nth ring must lie within the nth “lensing
band”: an exponentially narrow (in n) region of the image
plane that is fully determined by the Kerr metric [15, 21].

Within this band, however, it generically has some width.
Two important comments are now in order:

1. First, we reiterate that any ring of finite width does
not have a unique, well-defined image diameter dϕ,
but rather a range of diameters that extends from a
minimum diameter (between its inner boundaries)
to a maximum diameter (between the outer ones).
That is, the image diameter is only defined up to
a precision of order the ring width w (Fig. 1). Yet,
the corresponding visibility in the universal regime
(11) does seem to pick out a unique periodicity—
so how can this be? A resolution to this puzzle is
partly that the exact periodicity of the ringing in
the universal visibility (10) varies with the baseline
length u within the regime (11). That is, the precise
value of the diameter d(n)ϕ (u) depends on the choice
of baseline window from which it is inferred [19].

For a thin n = 2 ring, the image diameters vary
within a narrow range of <∼ 1% (Fig. 1), but such
variation could be detected at the microarcsecond
scale accessible on 230GHz Earth-Moon baselines.
When observing near u ∼ 300Gλ, for instance,
a unique periodicity emerges and yields a sharp
n = 2 ring diameter d(2)ϕ (u), but this answer varies
with the baseline length u within the regime (13).
As longer baselines are sampled, higher-frequency
components of the ring are progressively picked
up and larger image gradients within its intensity
profile are increasingly resolved. Intuitively, then,
the inferred diameter d

(2)
ϕ receives contributions

from image diameters connecting points across the
ring’s profile where the derivative of the intensity is
greater. As a result, the inferred diameter d(2)ϕ (u)
may exhibit a slight but still noticeable drift in u.

2. Second, we emphasize that the universal signature
(9)–(10) is only present when the universal regime
(11) exists. That is, the nth photon ring produces
its characteristic periodic ringing only within the
range (13). All the photon rings have a diameter
d ∼ 10M , which for 230GHz observations of M87*
corresponds to an angular size of d ∼ 40µas, and
hence to a radial periodicity ∆u ∼ 1/d ≈ 5Gλ [9].
As such, the number Nn ≈ (∆un)d of periods (or
“hops”) of the visibility amplitude within the regime
(13) of width ∆un = 1/wn−1/wn−1 is N2 ∼ 100, a
sufficient number to obtain a good estimate of the
periodicity ∆u = 1/d

(2)
ϕ . The scaling (12) of the

ring widths implies a scaling ∆un+1 ≈ eγ∆un of
the baseline windows (13), so each ring produces
an exponentially growing number Nn+1 ≈ eγNn of
hops in the range in which it dominates the signal.
Therefore, every n ≥ 2 ring produces sufficiently
many hops to enable an estimate of its diameter.
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C. Predicted interferometric shape of the higher
(n ≥ 2) photon rings

The first property of Kerr lensing described in Sec. II
(namely, the exponential demagnification of successive
subrings) guarantees a small width-to-diameter ratio for
all the n ≥ 2 subrings. As a result, their diameter d(n)ϕ

is well-defined in the image, up to minute variations of
order wn/d � 1 (with w2/d ∼ 1% and the higher ratios
wn/d exponentially suppressed by factors of ∼ e−γ).

Moreover, this guarantees—for each n ≥ 2 subring—
the existence of a wide range of baselines in the “universal
regime” (11). In the regime (12) dominated by the nth

ring, the visibility amplitude takes a “universal form” (10)
that is fixed by the ring diameter d(n)ϕ , and which extends
over sufficiently many hops for its periodicity—and hence
d
(n)
ϕ —to be precisely inferred. This interferometrically

measured diameter d(n)ϕ (u) may vary slightly with the
precise choice of baseline u within the range (11), but this
variation is again limited to variations of order wn/d� 1.

The outstanding question that remains is then: what
is the interferometric shape of the n ≥ 2 rings? Or, more
precisely: does general relativity make a prediction for
the projected diameter d(n)ϕ ?

The second property of Kerr lensing described in Sec. II
(namely, the exponential convergence of successive rings
to the critical curve) answers in the affirmative: by (1),
the rings Cn converge to the critical-curve shape C̃ = C̃∞.
In other words, as the large-n rings become increasingly
narrow curves, their projected position functions tend to
that of the critical curve, f̃(ϕ) = 1

2 d̃ϕ+C̃ϕ. In particular,

lim
n→∞

d(n)ϕ = d̃ϕ, lim
n→∞

C(n)
ϕ = C̃ϕ. (14)

The analytic expression for the critical curve’s projected
position f̃(ϕ) is investigated in [17]. The exact formula is
rather unwieldy, but it closely tracks the “phoval” shape

f̃(ϕ) ≈ R0 +

√
R2

1 sin2 ϕ+R2
2 cos2 ϕ (15)

+ (X − χ) cosϕ+ arcsin(χ cosϕ),

to better than 1 part in 105 for most black hole spins
and observer inclinations, with the largest deviation from
this functional form reaching 1 part in 103 in the extremal
limit a→M for an equatorial observer, when the critical
curve is least circular and develops a vertical edge [28].

The 5 parameters R0, R1, R2, X and χ in the phoval
family of shapes admit a simple geometric interpretation.
The offset X accounts for a spin-dependent, translation
of the centroid of the critical curve relative to Bardeen’s
Cartesian coordinate system (α, β). Together with the
parameter χ ∈ [−1, 1], which is necessary to reproduce
the asymmetry of the high-spin, high-inclination critical
curve, it only enters into the projected centroid of C̃,

C̃ϕ ≈ (X − χ) cosϕ+ arcsin(χ cosϕ). (16)

The projected diameter thus takes the functional form

d̃ϕ
2
≈ R0 +

√
R2

1 sin2 ϕ+R2
2 cos2 ϕ, (17)

controlled by three characteristic radii R0, R1 and R2.
When R1 = R2 = 0, this describes a curve of constant
radius R0, such as a perfect circle, which is the shape of C̃
for an on-axis observer at any spin or for any observer at
zero spin. When R0 = 0 instead, (17) describes a perfect
ellipse with axes of length R1 and R2, which is exactly
the shape of C̃ for all spins and low observer inclinations,
or equivalently for all inclinations at small spin [17].

Based on the reasoning laid out above, [15] conjectured
that the projected diameter of the n ≥ 2 rings of M87*
(which due to its jet orientation is believed to be observed
at a relatively low inclination of θo ≈ 17◦ [9]) ought to
follow the 4-parameter functional form of a “circlipse”

d
(n)
ϕ

2
≈ R0 +

√
R2

1 sin2(ϕ− ϕ̄) +R2
2 cos2(ϕ− ϕ̄), (18)

where the additional offset angle ϕ̄ is meant to account
for the uncertain image-plane orientation of the projected
black hole spin (and in practice, the low-n subrings may
also appear rotated relative to the critical curve).

As checked in [15, 19, 20] for multiple astrophysical
source profiles around a Kerr black hole, the visibility
amplitude in the regime (11) dominated by the n = 2
ring really does follow the universal form (10), with a
projected n = 2 ring diameter d(2)ϕ following the circlipse
shape (18). We may therefore regard (18) as a generic
prediction for the interferometric signature of the n ≥ 2
rings that follows from the Kerr hypothesis. As argued in
[15, 19–21], a measurement of the interferometric n = 2

ring diameter d(2)ϕ (u) on long Earth-space baselines could
deliver a stringent test of strong-field general relativity.

D. Predicted interferometric shape of the first
(n = 1) photon ring

Having reviewed the prediction for the interferometric
shape of the n ≥ 2 photon rings, we now turn to the first
photon ring, for which an analogous prediction has so far
been lacking. In large part, this is because the preceding
discussion generically breaks down for the first n = 1
subring:

1. First, because of its significant width w1 ∼M and
large width-to-diameter ratio w1/d ∼ 10%, the first
ring really lacks a sharply defined diameter d(1)ϕ in
image space: at a given angle ϕ around the image,
it has a wide range of possible diameters (Fig. 1).
Moreover, unlike the higher-n rings, the n = 1 ring
is not yet strongly constrained to track the critical
curve shape C̃. As a result, there is no theoretical
prediction for its image diameter—more than that,
it is not even clear how such a diameter could be
precisely defined from the n = 1 ring image.
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2. Relatedly, even if we were able to define the n = 1

ring diameter d(1)ϕ in image space and then derive a
prediction for it, we would have no reason to expect
its visibility to adopt the universal form (9): first,
because this form was derived in a leading-order
expansion in w/d � 1 and may receive significant
corrections when w1/d ∼ 10%, and second, because
the n = 1 ring typically fails to exhibit a “universal
regime” in which it dominates the signal, since the
range (11) closes off for thick rings with w/d >∼ 10%
(see App. B and App. C of [19] for more details).

To get around all these issues, we propose to define an
interferometric diameter d(1)ϕ (u) from the periodicity of
the visibility amplitude in the baseline range where the
n = 1 ring dominates, namely

1

d
< u <∼

1

w1
. (19)

We reiterate that this range is typically too narrow to
contain a universal regime (11). For observations of M87*
at 230GHz, this range usually stretches from >∼ 25Gλ to
<∼ 100Gλ, and therefore contains only ∼ 15 “hops” of
periodicity ∆u ∼ 5Gλ. Nevertheless, even a handful
of hops is already enough to estimate a periodicity, and
thence infer a diameter d(1)ϕ .

Two final questions remain. First, we have no reason
to expect the visibility amplitude in the (non-universal)
n = 1 regime (19) to take the universal form (10), so
there is no obvious functional form to fit to the visibility.
How then can we best extract its periodicity?

Second, assuming an interferometric diameter d(1)ϕ can
be extracted from the visibility amplitude, what form
should its angle-dependence take? Since this diameter
would have no clear connection to any precise feature in
the image, it is perhaps not evident what to expect.

To tackle the first problem, we note that the universal
visibility amplitude (10) can be generalized to [19]

|V (u)| ≈
√(

AL
ϕ

)2
+
(
AR
ϕ

)2
+ 2AL

ϕA
R
ϕ sin (2πdϕu), (20)

where, instead of decaying like
√
u, the angle-dependent

functions AL/R
ϕ may become general functions of u,

AL/R
ϕ (u) =

eupper(u)± elower(u)

2
. (21)

Here, eupper(u) and elower(u) respectively correspond to
the upper and lower envelopes of the function (20), which
oscillates between these envelopes with periodicity dϕ.
As shown in [19, 21], fitting a ringing signal to (20) is
a more robust method for inferring its periodicity, even
when it takes the universal form (10). Mathematically
speaking, we know of no reason why it should always be
possible to fit a generic ringing visibility to the functional
form (20), but in practice we find that it is sufficiently
general to work (see Sec. 3.2.2 of [19] for more discussion).

As for the second question, the simplest guess is that
the interferometrically defined n = 1 ring diameter d(1)ϕ
still follows the circlipse shape (18), at least for the low
observer inclinations relevant to M87* observations. At
this stage of the discussion, this is merely a conjecture
which may not necessarily be correct. As we will show in
the remainder of the paper, however, it does turn out to
be true (to about 1 part in 103) in a wide range of simple
phenomenological models of M87*.

As such, we may also regard (18) as a prediction from
the Kerr hypothesis for the interferometric shape of the
n = 1 ring, and its measurement could provide a precise
probe of general relativity in the strong-field regime.

E. Comparison with the shadow and critical curve

In certain highly fine-tuned scenarios, the photon ring
and its subring substructure are not present in black hole
images. This happens, for instance, when the black hole
is immersed in a spherically symmetric accretion inflow:
in that case, the observational appearance of the source
consists of a bright ring that encircles a central brightness
depression whose boundary precisely coincides with the
critical curve—an effect known as the “black hole shadow”
[29, 30]. In such a scenario, measuring the shadow—the
shape of the central brightness deficit—yields a direct
measurement of the critical curve C̃, and hence of the
black hole geometry. Indeed, the shape of C̃ depends only
on the black hole mass M , its spin a, and the inclination
θo of the observer, and these three parameters can be
directly recovered from the three radii (R0, R1, R2) that
parameterize the projected diameter (17) of C̃.

Unfortunately, such an astrophysical scenario does not
seem to be relevant for either M87* or Sgr A* [1–4], which
are instead expected to present the photon ring structure
described in Sec. II. Thus, the analytically known critical
curve, which directly encodes the black hole parameters
(M,a, θo), is likely not observable in itself. On the other
hand, the photon rings, which are in principle observable,
do not have an analytically predicted shape that encodes
(M,a, θo). Rather, their appearance is not entirely fixed
by the Kerr geometry, but instead varies with the astro-
physical details of the emitting source: indeed, two black
holes with the same mass and spin, observed from the
same inclination, can nonetheless display photon rings of
noticeably different shapes if their emission differs [15].

In other words, while the shape of the photon rings
does track that of the critical curve, in the sense that
their projected diameters follow the same functional form
(17)–(18), the radii parameterizing these functions differ
in their interpretation: in (17), they can be mapped back
to (M,a, θo), whereas in (18), this map itself depends on
the source, with the astrophysical dependence vanishing
as n → ∞. Hence, measuring the projected diameter
(18) of the nth photon ring gives stronger constraints on
(M,a, θo) the higher n is. For n = 2, these can likely be
inferred within a few percent, but less precisely for n = 1.
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Johnson SU parameter Values
µ r−, r+/2, r+, 3r+/2, 2r+

γ −2,−1, 0, 1, 2
ϑ/M 0.25, 0.5, 1.0, 1.5

TABLE I. Values of the parameters considered in our survey
over the 100 radial emission profiles (23) shown in Fig. 2. The
outer/inner event horizon radii are r± =M ±

√
M2 − a2.

F. Summary of the predicted first ring shape

To summarize, we predict that in the baseline range
(19) dominated by the n = 1 ring, the visibility amplitude
of the (time-averaged) image of a Kerr black hole displays
a characteristic ringing with angle-dependent periodicity
∆u = 1/d

(1)
ϕ , where d(1)ϕ follows the functional form (18)

to high precision. This naturally extends a previous [15]
and similar prediction for the higher-n rings to the first
and most easily accessible n = 1 subring.

In contrast to the n ≥ 2 rings, for which d(n)ϕ may be
associated with the diameter of the nth ring in the image,
the n = 1 ring diameter d(1)ϕ is defined purely interfero-
metrically and lacks a sharp image-space interpretation.

The diameter d(1)ϕ may be extracted from the visibility
amplitude by fitting the latter to (20) and finding the
best-fitting envelopes (21) and circlipse shape (18). The
three circlipse radii (R0, R1, R2) loosely track the black
hole parameters (M,a, θo), but their precise relation is
not robust and depends on the astrophysics of the source.

IV. PHENOMENOLOGICAL SOURCE MODEL

Having formulated a prediction for the interferometric
shape of the n = 1 ring, we now wish to test whether it
does indeed hold in a simple phenomenological model of
M87*. In this section, we give a lightning review of the
source model introduced in [4, 15, 19, 21]. Then, we use
our Adaptive Analytical Ray Tracing code AART [21]—
which exploits the integrability of light propagation in the
Kerr spacetime—to compute high-resolution black hole
images of this model, together with their corresponding
visibilities accessible on long space-ground baselines.

We model the source as a stationary, axisymmetric,
equatorial disk composed of emitters describing circular
Keplerian orbits down to the radius rms of the innermost
stable circular orbit (ISCO), past which they plunge into
the hole following a prescription of Cunningham’s [31].

To determine the observational appearance of the
source at an image-plane position (α, β), we analytically
trace the corresponding light ray back from the observer’s
image plane and into the emitting region, increasing the
observed intensity Io(α, β) each time the ray intersects
the accretion disk by an amount dictated by the local
emissivity. The full procedure is efficiently implemented
in our relativistic ray tracing code AART [21].
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FIG. 2. Radial emission profiles (23) considered in this work
(with parameters listed in Table I). These profiles range from
emission that peaks inside the horizon and then decays rapidly
outside (dotted green), to emission that peaks past the inner-
most stable circular orbit (with ISCO radius rms) and decays
very slowly thereafter (dash-dot blue). The radii of the outer
and inner horizons are denoted by r± =M ±

√
M2 − a2 and

indicated with vertical lines. The profile depicted with a solid
blue line was considered in [15]. It is broadly consistent with
the 2017 EHT observations of M87* on Earth-size baselines
and qualitatively similar to time-averaged images of state-of-
the-art general-relativistic magnetohydrodynamic (GRMHD)
simulations (see, e.g., Fig. 1 of [2]). The insets display the
images produced by each of these three highlighted profiles.

For completeness, we sketch the main ingredients of
the calculation, referring the reader to [21] for the details
of our implementation. Effectively, we compute

Io(α, β) =

N(α,β)−1∑
n=0

ζn · g3
(
r(n)s , α

)
Is

(
r(n)s

)
, (22)

where r(n)s = r
(n)
s (α, β) denotes the (analytically known)

equatorial radius at which a ray intersects the equatorial
plane for the (n + 1)th time on its backward trajectory
from image-plane position (α, β), up to a total number
N(α, β) along its maximal extension. Meanwhile, g is a
redshift factor (which is determined by the motion of the
emitters and also known analytically), Is(r) is a radial
emission profile, and ζn is a “fudge” factor, which we
assume to be equal to 1 for n = 0, and 1.5 for n ≥ 1.

The inclusion of this factor is meant to account for the
(otherwise neglected) effects of geometrical thickness. It
improves the qualitative agreement between images of
this simplified equatorial model and the time-averaged
images obtained from state-of-the-art general-relativistic
magnetohydrodynamic (GRMHD) simulations [4, 20].
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We consider a family of radial emission profiles derived
from Johnson’s Standard Unbounded (SU) distribution,

Is(rs) = JSU(rs;µ, ϑ, γ) ≡ e−
1
2 [γ+arcsinh( rs−µϑ )]

2√
(rs − µ)

2
+ ϑ2

, (23)

where the parameters µ, ϑ, and γ respectively control the
location of the profile’s peak, its width, and the profile
asymmetry [19]. In our survey over emission profiles, we
examine the same set of parameters as in [19], which we
list in Table I. We display the corresponding profiles in
Fig. 2, which shows that these values span a wide range
of possible emissivities. In particular, our survey includes
a profile (solid blue line in Fig. 2) whose corresponding
image is directly comparable to the time-averaged image
in Fig. 1 of [2], for which the parameters in the underlying
GRMHD simulation were chosen to ensure consistency
with the 2017 EHT observations of M87*.

V. SURVEY OVER EMISSION PROFILES

Using AART [21], we perform a parameter survey over
the emission profiles in Table I and Fig. 2, enabling us
to verify how well our prediction for the interferometric
shape of the n = 1 ring holds in our model.

For each of the 100 considered emission profiles, we ray
trace high-resolution images and compute the associated
visibility amplitudes on very long baselines with AART—
we assume throughout a black hole spin of a/M = 94%
and an observer inclination θo = 17◦, but we expect our
conclusions to hold more generally at low inclinations.

Then, following the procedure introduced in [19], we
determine the functional forms (20)–(21) that best fit the
visibility amplitude in a given baseline range, allowing us
to extract a characteristic periodicity for its ringing and
thereby infer a projected diameter dϕ.

As discussed in [15, 19], on baselines of length ∼ u,
the functional form (20) is approximately invariant under
shifts dϕ → dϕ + k/u for integer k, creating a discrete
degeneracy in the inferred diameter dϕ. In principle, this
degeneracy may be broken by counting the exact number
of hops from u back to the origin u = 0, which would fix
the radial periodicity ∆u of the ringing, and hence dϕ. In
practice, this is not possible if we can only sample a fixed
baseline window far from the origin. Instead, we fit dϕ at
multiple baseline angles ϕ simultaneously, so as to obtain
the best global fit dobsϕ for the interferometric diameter.
This multi-fit procedure is explained in Sec. 3.2 of [19].

We carry out the fit on four different baseline windows
of width 30Gλ, and assess how well the resulting inter-
ferometric diameters dobsϕ (u) match the prediction (18) in
each of the windows as a function of the emission profile.
In realistic observations, the sampled baseline window
would likely vary in size and location, so this simulates a
somewhat idealized experiment. We chose a fixed width
of 30Gλ to ensure that the baseline windows contain ∼ 5
hops in the visibility amplitude.

The first three baseline windows that we examine are
[40, 70]Gλ, [50, 80]Gλ, and [70, 100]Gλ. These often lie
in the range (19) dominated by the n = 1 ring, though
sometimes they may also fall into a region where the
n = 0 image still contributes significant power.

Meanwhile, the fourth window spans the much longer
baselines [285, 315]Gλ, which were investigated in [15]
and typically fall into a universal regime (11) dominated
by the n = 2 ring. For some profiles, however, these
baselines fall into a transition regime between the range
(19) dominated by the n = 1 ring and the universal n = 2
range (11). As explained in Sec. 4 of [19], in such cases
the inferred diameter dobsϕ may belong to neither ring, as
the visibility amplitude receives significant contributions
from both of them, resulting in interference. Or, it may
happen that dobsϕ measures the n = 1 ring diameter d(1)ϕ
at some angles ϕ, and the n = 2 diameter d(2)ϕ for others.

In principle, all these baselines are within reach of an
eccentric orbiter whose Earth perigee is at ∼ 4.5×104 km
and its apogee at ∼ 4 × 105 km, provided it is equipped
with receivers capable of observing on multiple frequency
bands between 83GHz and 345GHz. Indeed, a baseline
extending from Earth to such an orbiter could sample
the visibility from ∼ 12Gλ (shortest baseline with the
lowest frequency) to ∼ 455Gλ (largest baseline with the
highest frequency).

Given an observed diameter dobsϕ , we assess the quality
of its best fit dGR

ϕ to the circlipse shape (18) by computing
the ring-averaged normalized root-mean-square deviation

RMSD =

√〈(
dobsϕ − dGR

ϕ

)2〉
ϕ〈

dGR
ϕ

〉
ϕ

. (24)

The RMSD distributions resulting from the fits on the
four different windows are shown in Fig. 3. As expected,
the shortest baseline window is the one where fitting a
circlipse shape to the inferred diameter is hardest: out of
the 100 profiles studied, 53 provided an RMSD ≤ 0.05%,
which is our (conservative) cutoff. The number of models
for which the RMSD ≤ 0.05% jumps to 85 for the longest
baseline window considered.

Here, it is important to clarify that the inability to
obtain good circlipse fits within a fixed baseline window
for some of the emission profiles does not mean that the
diameters of their rings fail to follow the circlipse shape
(18). In fact, for all of our profiles, each ring produces a
clean ringing signature, as expected from our discussion
in Sec. III. This can be seen, for instance, in Fig. 4, where
we display the total visibility amplitude—together with
its decomposition into separate subring contributions—
for two representative profiles: one with the best-fitting
circlipse in the window [70, 100]Gλ (top two rows), and
another with the worst fit whose RMSD ≤ 0.05% we
nonetheless deemed acceptable (bottom two rows). The
difficulty, therefore, lies in whether the ring diameters can
be extracted from the total visibility amplitude, which is
of course the only one that is observable in experiment.
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FIG. 3. The normalized root-mean-square deviation (RMSD)
distributions of the fits for four different windows of size 30Gλ
with overlaying kernel density estimations. The percentage of
models for which we get an acceptable fit (RMSD ≥ 0.05%)
are 53%, 70%, 72% and 85% for the windows [40, 70]Gλ,
[50, 80]Gλ, [70, 100]Gλ, and [285, 315]Gλ, respectively. For
the baseline window [70, 100]Gλ, we display the best fit in
the top panels of Fig. 4, while the worst fit (which still has
an RMSD ≤ 0.05%) is shown in the bottom panels of Fig. 4.

Consistent with [15, 19], we find that for the n = 2 ring,
one may always obtain a good fit to the circlipse shape
(18) from the total visibility amplitude, though this may
require going to extremely long baselines (sometimes as
far as 1000Gλ [19]). This is only possible to do while still
remaining in the universal regime (11) dominated by the
n = 2 ring because the width of this range is so large.

By contrast, while the n = 1 ring image by itself also
produces a clean interferometric ringing, this signature
only dominates the total visibility in the comparably
much narrower range (19). As a result, in some models,
there may not exist a single baseline range in which the
n = 1 ring dominates at every baseline angle ϕ (so that
its full angle-dependent diameter d(1)ϕ may be extracted).

By fixing a baseline length (window size) and angle,
we may thus obtain a visibility amplitude that can be
either dominated by a single ring or can show comparable
power in multiple rings, as illustrated in Fig. 4. Here, the
relevant factor is primarily the width of the profile, which
determines the locations and widths of the ranges over
which each ring dominates the signal by itself.

On longer baselines ∼ 300Gλ, one may see interference
between the n = 1 and n = 2 rings. This does not
happen for the top model in Fig. 4, for which the visibility
amplitude is completely dominated by the n = 2 ring in
the purple window, resulting in an excellent circlipse fit.

For the bottom model, on the other hand, the emission
profile—and hence the n = 1 ring—are much narrower,
so the n = 1 range (19) extends farther out and there
is some interference between n = 1 and n = 2 in the
purple window [285, 315]Gλ, resulting in a slightly worse
circlipse fit. Nonetheless, it is clear that going farther
out to even longer baselines would further attenuate the
power from the n = 1 ring and lead to a better circlipse
fit to the n = 2 ring diameter in this model also.

Neither of these models displays a transition between
measuring purely d

(1)
ϕ or d

(2)
ϕ at different ϕ, though

this can also sometimes occur—particularly at higher
inclinations—as shown in Fig. 6 of [19].

On shorter baselines <∼ 100Gλ, a clean diameter can
be more challenging to extract because of more frequent
interference between the n = 0 and n = 1 rings. When
such interference occurs, the inferred diameter can differ
more from that of a circlipse, which is expected since the
n = 0 ring is not constrained to closely follow that shape.

For the top model in Fig. 4, such interference never
occurs in either the magenta window [40, 70]Gλ nor the
yellow window [70, 100]Gλ, which are always dominated
by the n = 1 ring and from which we can therefore extract
diameters d(1)ϕ with excellent circlipse fits.

For the bottom model in Fig. 4, in the yellow window
[70, 100]Gλ, there are baseline angles (such as ϕ = 15◦)
where the n = 1 ring dominates, but at other angles (such
as ϕ = 85◦) the n = 0 ring retains significant power. As
a result, the circlipse fit is not as good at those angles.

For extremely narrow profiles, the first three image
layers (n = 0 through n = 2) all consist of very thin rings,
and one may even observe interference effects between
all three—this is for instance the case for the bottom
model in Fig. 4 in the magenta window [40, 70]Gλ at
ϕ = 85◦. Even at other angles (such as ϕ = 15◦) where
the n = 0 signal has relatively died out, the n = 1 and
n = 2 rings still have comparable power, which explains
why the circlipse fit in that window is so poor overall.

These angle-dependent effects ought to grow with the
observer inclination, but we expect them not to pose an
insuperable obstacle at the low-to-moderate inclinations
<∼ 30◦ of likely relevance for M87*. As for the black hole
spin, higher spins increase the angular variation of dϕ
and should therefore facilitate a precise circlipse fit—we
defer a more thorough investigation to future work.

VI. RESOLVING THE PHOTON RING

In this section, we discuss some of the implications of
our results for future measurements of the n = 1 ring,
before concluding in Sec. VII.

There already exist multiple promising ways to detect
the photon ring via its distinctive polarimetric signature
[32] or characteristic pattern of autocorrelations [23, 27].
Here, we set aside these potential avenues for detection
and focus exclusively on the complex visibility (2) dual
to the image intensity, and more precisely its amplitude.
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In that case, it seems likely that the first unambiguous
observation of the photon ring will occur via a detection
of its characteristic “ringing” in the visibility amplitude.
Moreover, this ringing will likely first be detected on the
relatively shorter Earth-to-space baselines u <∼ 100Gλ
most easily accessible to observations, where the first sub-
ring dominates the visibility. Hence, our prediction (18)
for the angle-dependent diameter d(1)ϕ of the n = 1 ring,
which may be inferred from the angle-dependent radial
periodicity of the ringing in the visibility amplitude, is
especially timely.

However, an important caveat is in order at this stage.
According to Fig. 5, a ringing in the visibility amplitude
on baselines of length ∼ 20 − 40Gλ does not by itself
provide conclusive evidence for the presence of the photon
ring. After all, the n = 0 image is also ring-like [9] (in
line with theoretical expectations) and therefore it also
produces a characteristic ringing on those baselines by
itself (top row of Fig. 5). Naively, it seems necessary
to probe longer baselines >∼ 40Gλ to determine whether
there really is a signature of the photon ring, that is,
of strong gravity’s stamp (bottom row of Fig. 5). For
M87* observations at 230GHz, an interferometer with a
space element appears to be indispensable to achieve the
requisite baseline length.

Of course, a precise threshold past which the n = 0
signal decays depends on the width of the n = 0 ring
in the image. Likewise, the decay rate of the visibility
amplitude in the regime (19) dominated by the n = 1
ring may well provide some information about its width.

It would be interesting to determine whether this
width—and hence the Kerr-predicted demagnification
factor e−γ—may be recovered from the falloff rate of the
visibility, that is, whether the envelope of the damped
oscillations constrains the ring width.

We take some first steps in this direction in App. A,
where we investigate the relation between the width
w of a Gaussian ring and the falloff rate e−2π

2w2u2

of
its visibility amplitude. Generalizing such relations—if
possible—would be interesting, since a measurement of
γ could yield a much-sought-after estimate of the black
hole parameters, particularly its spin.

Finally, we note that a measurement of the predicted
shape (18) for the interferometric diameter of the n = 1
ring would yield a consistency test of strong-field general
relativity, since measuring a different diameter would be
incompatible with Kerr hypothesis. At the same time, a
measurement of the expected circlipse shape would not
necessarily discriminate between general relativity and
alternative theories of gravity predicting the same shape.

On that note, [18] recently investigated the shape of
the n = 2 photon ring in modified theories of gravity.
They found that deviations from the circlipse shape were
small unless the deviation from the Kerr geometry grew
very large. This conclusion merits re-evaluation in the
context of the n = 1 ring, whose deviations could perhaps
be stronger.

VII. CONCLUSION

In this paper, we examined the shape of the first n = 1
photon ring in time-averaged images of a simple model
of M87* with an equatorial source around the black hole.

We found that, even though this ring lacks a sharply
defined diameter in the image domain, it is nevertheless
possible to define its angle-dependent projected diameter
from the periodic ringing of its interferometric signature
in visibility space, which is the observable that proposed
extensions of the EHT to space will directly probe.

We showed in the context of our simple model of M87*
that this interferometrically defined n = 1 ring diameter
follows the shape (18) of a circlipse. We therefore regard
this as a prediction from strong-field general relativity
(and its Kerr hypothesis) for the shape d(1)ϕ of the first
photon ring, which is most accessible to observation and
will hopefully be measured soon.

The results of this work indicate that measuring d(1)ϕ
within a few percent of the critical curve diameter d̃ϕ is
possible for several astrophysical profiles, and important
factors affecting the accuracy of these measurements have
been highlighted.

As a final caveat: we have only studied time-averaged
images and need to examine instantaneous snapshots
with noise—both instrumental and astrophysical—to
truly establish this as a robust prediction. This work is
now ongoing work, and we expect to report results soon.
Overall, this line of research provides valuable insights
into the interferometric structure of black hole images
and lays the groundwork for future observations.
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Appendix A: Thick axisymmetric rings

This appendix explores the relation between the decay
rate of the visibility amplitude of a thick axisymmetric
ring and its width.

In polar coordinates, the radio visibility V (u, ϕ) of an
image I(ρ, φ)—that is, its Fourier transform (2)—is

V (u, ϕ) =

∫ ∞
0

∫ 2π

0

I(ρ, φ+ ϕ)e−2πiuρ cosφρdρdφ. (A1)

For an axisymmetric image with a purely radial profile
I(r), this is simply the zero-order Hankel transform

V (u) = H0[I(ρ)] =

∫ ∞
0

2πρJ0(2πuρ)I(ρ) dρ, (A2)

which is self-inverse (H2
0 = I), so I(ρ) = H0[V (u)].
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1. Convolution theorem for Hankel transform

If two axisymmetric images I1(ρ) and I2(ρ) have the
visibilities V1(u) = H0[I1(ρ)] and V2(u) = H0[I2(ρ)], then
their product image has visibility V (u) = H0[I1(ρ)I2(ρ)]
given by

V (u) =

∫ ∞
0

∫ 2π

0

V1(U)V2(u′)u′ du′ dϕ, (A3)

with U2 = u2 + u′2 − 2uu′ cosϕ. Since the zero-order
Hankel transform is self-inverse, this formula also holds
with I ↔ V interchanged.

2. Infinitely thin ring

An infinitely thin ring of radius r (normalized to have
unit total flux) has radial profile

Iδ(ρ) =
1

2πr
δ(ρ− r), (A4)

and corresponding visibility

Vδ(u) = J0(2πru). (A5)

3. General thick axisymmetric ring

Consider another image with some radial profile Iw(ρ)
and associated visibility Vw(u). By (A3), the product
visibility V (u) = Vδ(u)Vw(u) corresponds to an image

I(ρ) =

∫ ∞
0

∫ 2π

0

Iw(R)
δ(ρ′ − r)

2πr
ρ′ dρ′ dφ

=

∫ 2π

0

dϕ

2π
Iw

(√
ρ2 + r2 − 2ρr cosφ

)
, (A6)

since R = ρ2 + ρ′2 − 2ρρ′ cosϕ. This leads to a simple
idea: any bump Iw(ρ) of width w at the origin creates a
ring image I(ρ), and vice versa.

4. Example: Gaussian ring

The Gaussian ring of width w, diameter d, and unit
total flux (V (0) = 1), has a visibility

V (u) = J0(2πru)e−2π
2w2u2

. (A7)

This is of the product form V (u) = Vδ(u)Vw(u) with
Vw(u) = e−2π

2w2u2

, which corresponds to a unit-flux
Gaussian bump of width w:

Iw(ρ) =
1

2πσ2
e−

ρ2

2w2 . (A8)

By (A6), the Gaussian ring image has a radial profile

I(ρ) =
1

(2π)2rw2

∫ ∞
0

∫ 2π

0

e−
ρ2+ρ′2−2ρρ′ cosφ

2w2

× δ(ρ′ − r)ρ′ dρ′ dφ

=
1

2πrw2

∫ ∞
0

e−
ρ2+ρ′2

2w2 I0

(
ρρ′

w2

)
δ(ρ′ − r)ρ′ dρ′

=
1

2πw2
e−

d2

8w2 I0

(
dρ

2w2

)
e−

ρ2

2w2 , (A9)

where I0(x) is a modified Bessel function of the first kind.
Its name is justified because as long as the ring diameter
is large enough that the intensity is small near the origin,
this profile is indistinguishable from a Gaussian of width
w and radius r:

I(ρ)
d�1
≈ 1

(2π)3/2
√
rρw

e−
(ρ−r)2

2w2 . (A10)

5. Example: Lorentzian ring

The Lorentzian (Cauchy distribution) of width w is

Iw(ρ) =
1

ρ2 + w2
. (A11)

Famously, all of its moments diverge. In particular, this
image has infinite flux and its visibility is logarithmically
divergent at the origin:

Vw(u) = 2πK0(2πwu)
u→0
≈ 2π log

(
1

2πu

)
, (A12)

where K0(x) is a modified Bessel function of the second
kind. The Lorentzian ring of width w and radius r has
visibility

V (u) = 2πJ0(2πru)K0(2πwu) (A13)
u→∞
≈ 2π2J0(2πru)√

wu
e−2πwu, (A14)

which on long baselines decays like a linear exponential.

6. Example: “Smooth bump” ring

The “smooth bump” of width w is the function

fw(x) =

{
e
− w2

w2−x2 x ∈ [−w,w],

0 otherwise.
(A15)

It defines a (normalizable) radial bump of width w

Iw(ρ) = cfw(ρ), c−1 = 2π

∫ ∞
0

fw(ρ)ρdρ, (A16)

whose convolution with Iδ(ρ) produces a ring image I(ρ)
with compact support localized in a band of width 2w.
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The Fourier transform of f1(x) behaves asymptotically
as [33]

f̃1(k)
k→∞
≈ 2<

[√
−iπ√
2ik3/2

eik−
1
4−
√
2ik

]
. (A17)

Therefore, we expect that on long baselines, the visibility
V (u) of a “smooth bump” ring of unit width will scale as

V (u)
u→∞∝ J0(2πru)

u3/4
e−
√
u, (A18)

which indeed appears to be the case numerically.

7. An observation

In the three examples above, the visibility of a ring
of width w asymptotically behaves as V (u) ∼ e−c(wu)

p

for some constants c and p. Mathematical properties
of the profile can impose stringent restrictions on these
constants. For instance, if the profile is analytic, then
p ≥ 1 by the Paley-Wiener theorem, as exemplified by the
Gaussian and Lorentzian rings (meanwhile, the smooth
bump has p = 0.5 but is not analytic). It seems worth-
while to explore the set of possible values of c and p found
in phenomenological models and to investigate whether a
robust connection to the ring width w can be established.

Appendix B: No universal regime for thick rings

In Sec. III, we discussed how a relatively thicker ring
(such as the n = 1 photon ring in many models) may not
display a universal regime. In this appendix, we examine
explicitly how the universal regime opens or closes up as
a function of the width of a Gaussian ring.

A ring of width w and diameter d has one dimensionless
parameter: its width-to-diameter ratio, or thickness

t =
w

d
∈
[
0, 12
)
, (B1)

This thickness cannot be too large: t <∼
1
2 is necessary to

have a ring rather than a disk. In the limit t → 0, we
always recover the infinitely thin ring Iδ(ρ) with visibility
Vδ(u) = J0(2πru). A generic ring I(ρ) lies in between
these two extremes:

• A thick ring has 0� t <∼
1
2 .

• A thin ring has 0 < t� 1
2 .

Its visibility V (u) has two dimensionless scales U = du
and W = wu. These are not independent, but related by

0 < W = tU < U. (B2)

It is best to view the visibility as a function V (U) that
has a spacing of nulls ∆U ≈ 1 and exhibits three regimes:

1. W < U < 1, or u < 1
d < 1

w : in this regime, the
visibility does not yet resolve the ring, as it has not
even reached its first null at U ∼ 1 or u ∼ 1

d .

2. W < 1 < U , or 1
d < u < 1

w : in this regime, the
visibility resolves the ring (at least one null), but
not yet its width.

3. 1 < W < U , or 1
d <

1
w < u: in this regime, the ring

has been fully resolved out.

This applies to both thick and thin rings, but for thin
rings only, a qualitatively new behavior can emerge in the
second regime. As usual, the reason is that if a system
has a small dimensionless parameter, then it ought to
exhibit a large separation of scales (and vice versa).

Here, if 0 < t� 1
2 , then it is possible to simultaneously

have 1 � U and tU � 1, opening up a new regime
W � 1 � U , or 1

d � u � 1
w : the smallness of t = W

U
is equivalent to the large separation of scales needed to
open up this new regime.

This is the universal regime. It is universal because in
it we may approximate W ≈ 0 and hence set t ≈ 0 while
still keeping U � 1, which means that it is possible to
stay in this regime while forgetting about the width—
and radial profile—of the ring. Therefore, the visibility
of any thin ring in this regime must tend to Vδ(u).

1. Example: Gaussian ring

We now explore how this works in the context of the
Gaussian ring of width w and diameter d = 2r, with the
visibility (A7) or

V (U) = J0(πU)e−2π
2W 2

= J0(πU)e−2t
2π2U2

. (B3)

In regime 1, both U and W = tU are small, so we may
expand in U � 1 to find the second-order approximation

V (U) ≈ 1−
(

1

4
+ 2t2

)
π2U2

+

(
1

64
+
t2

2
+ 2t4

)
π2U2, (B4)

which we expect to be valid for U < 1 and any t.
In Fig. 6, we confirm this by plotting the exact |V (U)|

(blue) against its leading (orange) and subleading (green)
approximations for t = 5%, finding good agreement in
the expected range U � 1.

In regime 3, both U and W = tU are large, so we may
expand in U � 1 to obtain the leading approximation

V (U) ≈ cosπU + sinπU

π
√
U

e−2t
2π2U2

, (B5)

which we plot in Fig. 6 (orange) against the exact |V (u)|
(blue) for a ring of width t = 20%, again finding excellent
agreement in the expected regime U � 1.
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We note that the approximations obtained in these
regimes are not in any sense universal: in particular, they
depend on the thickness t of the ring and would differ for
a non-Gaussian radial profile.

Finally, in regime 2, U is large but W = tU is small,
so we cannot expand in U . We have no recourse but to
expand in t� 1 to find

V (U) ≈ J0(πU)
[
1− 2t2π2U2 + . . .

]
, (B6)

which is only supposed to be a valid approximation for

1 < U <∼
1

2πt
. (B7)

Thus we only expect this approximation to be good as
t→ 0, in which case it holds over a very large range and

forgets about the width (radial profile) of the ring to take
the universal form

V (U) ≈ J0(πU) = Vδ(U). (B8)

In Fig. 6, we confirm this by plotting the exact visibility
|V (u)| (blue) against its leading (orange) and subleading
(green) approximations (B6), first for a relatively thicker
ring with t = 8% and next for a thinner ring with t = 2%.

Remarkably, we find that the agreement is good up to
U <∼ 2 in the first case, and up to U <∼ 8 in the second
case, exactly as predicted by (B7). At the lower end,
we find that for the Gaussian ring, the universal formula
applies all the way down to U = 0, but this is merely
a coincidence: this would not be true of the Lorentzian
ring, for instance, whose visibility diverges at the origin.

[1] S. E. Gralla, D. E. Holz, and R. M. Wald, Phys. Rev. D
100, 024018 (2019), arXiv:1906.00873 [astro-ph.HE].

[2] M. D. Johnson, A. Lupsasca, A. Strominger, G. N. Wong,
S. Hadar, D. Kapec, R. Narayan, A. Chael, C. F. Gam-
mie, P. Galison, D. C. M. Palumbo, S. S. Doeleman,
L. Blackburn, M. Wielgus, D. W. Pesce, J. R. Farah,
and J. M. Moran, Science Advances 6, eaaz1310 (2020),
arXiv:1907.04329 [astro-ph.IM].

[3] S. E. Gralla and A. Lupsasca, Phys. Rev. D 101, 044031
(2020), arXiv:1910.12873 [gr-qc].

[4] A. Chael, M. D. Johnson, and A. Lupsasca, ApJ 918, 6
(2021), arXiv:2106.00683 [astro-ph.HE].

[5] K. Akiyama et al. (Event Horizon Telescope Collabo-
ration), ApJ 875, L5 (2019), arXiv:1906.11242 [astro-
ph.GA].

[6] K. Akiyama et al. (Event Horizon Telescope Collabo-
ration), ApJ 875, L6 (2019), arXiv:1906.11243 [astro-
ph.GA].

[7] W. Lockhart and S. E. Gralla, MNRAS 509, 3643 (2022),
arXiv:2107.06948 [astro-ph.HE].

[8] A. E. Broderick, D. W. Pesce, R. Gold, P. Tiede, H.-Y.
Pu, R. Anantua, S. Britzen, C. Ceccobello, K. Chatter-
jee, Y. Chen, N. S. Conroy, G. B. Crew, A. Cruz-Osorio,
Y. Cui, S. S. Doeleman, R. Emami, J. Farah, C. M.
Fromm, P. Galison, B. Georgiev, L. C. Ho, D. J. James,
B. Jeter, A. Jimenez-Rosales, J. Y. Koay, C. Kramer,
T. P. Krichbaum, S.-S. Lee, M. Lindqvist, I. Martí-Vidal,
K. M. Menten, Y. Mizuno, J. M. Moran, M. Mosci-
brodzka, A. Nathanail, J. Neilsen, C. Ni, J. Park,
V. Piétu, L. Rezzolla, A. Ricarte, B. Ripperda, L. Shao,
F. Tazaki, K. Toma, P. Torne, J. Weintroub, M. Wielgus,
F. Yuan, S.-S. Zhao, and S. Zhang, ApJ 935, 61 (2022),
arXiv:2208.09004 [astro-ph.HE].

[9] K. Akiyama et al. (Event Horizon Telescope Collabo-
ration), ApJ 875, L1 (2019), arXiv:1906.11238 [astro-
ph.GA].

[10] K. Akiyama et al. (Event Horizon Telescope Collabora-
tion), ApJ 930, L12 (2022).

[11] W. Lockhart and S. E. Gralla, MNRAS 517, 2462 (2022),
arXiv:2208.09989 [astro-ph.HE].

[12] P. Tiede, M. D. Johnson, D. W. Pesce, D. C. M. Palumbo,
D. O. Chang, and P. Galison, Galaxies 10, 111 (2022),

arXiv:2210.13498 [astro-ph.HE].
[13] L. I. Gurvits, Z. Paragi, R. I. Amils, I. van Bemmel,

P. Boven, V. Casasola, J. Conway, J. Davelaar, M. C.
Díez-González, H. Falcke, R. Fender, S. Frey, C. M.
Fromm, J. D. Gallego-Puyol, C. García-Miró, M. A. Gar-
rett, M. Giroletti, C. Goddi, J. L. Gómez, J. van der
Gucht, J. C. Guirado, Z. Haiman, F. Helmich, B. Hudson,
E. Humphreys, V. Impellizzeri, M. Janssen, M. D. John-
son, Y. Y. Kovalev, M. Kramer, M. Lindqvist, H. Linz,
E. Liuzzo, A. P. Lobanov, I. López-Fernández, I. Malo-
Gómez, K. Masania, Y. Mizuno, A. V. Plavin, R. T.
Rajan, L. Rezzolla, F. Roelofs, E. Ros, K. L. J. Rygl,
T. Savolainen, K. Schuster, T. Venturi, M. Verkouter,
P. de Vicente, P. N. A. M. Visser, M. C. Wiedner,
M. Wielgus, K. Wiik, and J. A. Zensus, Acta Astronau-
tica 196, 314 (2022), arXiv:2204.09144 [astro-ph.IM].

[14] P. Kurczynski, M. D. Johnson, S. S. Doeleman, K. Ha-
worth, E. Peretz, T. K. Sridharan, B. Bilyeu, L. Black-
burn, D. Boroson, A. Brosius, R. Butler, D. Caplan,
K. Chatterjee, P. Cheimets, D. D’Orazio, T. Essinger-
Hileman, P. Galison, R. Gamble, S. Hadar, T. Hoerbelt,
H. Jiao, J. Kauffmann, R. Lafon, C.-P. Ma, G. Mel-
nick, N. R. Newbury, S. Noble, D. Palumbo, L. Parit-
sky, D. Pesce, L. Petrov, J. Piepmeier, C. J. Roberts,
B. Robinson, C. Shieler, J. Small, N. Spellmeyer,
P. Tiede, J. Verniero, J. Wang, M. Wielgus, E. Wol-
lack, G. N. Wong, and G. Yang, in Space Telescopes
and Instrumentation 2022: Optical, Infrared, and Mil-
limeter Wave, Society of Photo-Optical Instrumentation
Engineers (SPIE) Conference Series, Vol. 12180, edited
by L. E. Coyle, S. Matsuura, and M. D. Perrin (2022)
p. 121800M.

[15] S. E. Gralla, A. Lupsasca, and D. P. Marrone,
Phys. Rev. D 102, 124004 (2020), arXiv:2008.03879 [gr-
qc].

[16] S. E. Gralla, Phys. Rev. D 102, 044017 (2020),
arXiv:2005.03856 [astro-ph.HE].

[17] S. E. Gralla and A. Lupsasca, Phys. Rev. D 102, 124003
(2020), arXiv:2007.10336 [gr-qc].

[18] S. Staelens, D. R. Mayerson, F. Bacchini, B. Ripperda,
and L. Küchler, arXiv e-prints , arXiv:2303.02111 (2023),
arXiv:2303.02111 [gr-qc].

https://doi.org/10.1103/PhysRevD.100.024018
https://doi.org/10.1103/PhysRevD.100.024018
http://arxiv.org/abs/1906.00873
https://doi.org/10.1126/sciadv.aaz1310
http://arxiv.org/abs/1907.04329
https://doi.org/10.1103/PhysRevD.101.044031
https://doi.org/10.1103/PhysRevD.101.044031
http://arxiv.org/abs/1910.12873
https://doi.org/10.3847/1538-4357/ac09ee
https://doi.org/10.3847/1538-4357/ac09ee
http://arxiv.org/abs/2106.00683
https://doi.org/10.3847/2041-8213/ab0f43
http://arxiv.org/abs/1906.11242
http://arxiv.org/abs/1906.11242
https://doi.org/10.3847/2041-8213/ab1141
http://arxiv.org/abs/1906.11243
http://arxiv.org/abs/1906.11243
https://doi.org/10.1093/mnras/stab3204
http://arxiv.org/abs/2107.06948
https://doi.org/10.3847/1538-4357/ac7c1d
http://arxiv.org/abs/2208.09004
https://doi.org/10.3847/2041-8213/ab0ec7
http://arxiv.org/abs/1906.11238
http://arxiv.org/abs/1906.11238
https://doi.org/10.3847/2041-8213/ac6674
https://doi.org/10.1093/mnras/stac2743
http://arxiv.org/abs/2208.09989
https://doi.org/10.3390/galaxies10060111
http://arxiv.org/abs/2210.13498
https://doi.org/10.1016/j.actaastro.2022.04.020
https://doi.org/10.1016/j.actaastro.2022.04.020
http://arxiv.org/abs/2204.09144
https://doi.org/10.1117/12.2630313
https://doi.org/10.1117/12.2630313
https://doi.org/10.1117/12.2630313
https://doi.org/10.1103/PhysRevD.102.124004
http://arxiv.org/abs/2008.03879
http://arxiv.org/abs/2008.03879
https://doi.org/10.1103/PhysRevD.102.044017
http://arxiv.org/abs/2005.03856
https://doi.org/10.1103/PhysRevD.102.124003
https://doi.org/10.1103/PhysRevD.102.124003
http://arxiv.org/abs/2007.10336
https://doi.org/10.48550/arXiv.2303.02111
http://arxiv.org/abs/2303.02111


14

[19] H. Paugnat, A. Lupsasca, F. H. Vincent, and M. Wiel-
gus, A&A 668, A11 (2022), arXiv:2206.02781 [astro-
ph.HE].

[20] F. H. Vincent, S. Gralla, A. Lupsasca, and
M. Wielgus, arXiv e-prints , arXiv:2206.12066 (2022),
arXiv:2206.12066 [astro-ph.HE].

[21] A. Cárdenas-Avendaño, A. Lupsasca, and H. Zhu,
Phys. Rev. D 107, 043030 (2023), arXiv:2211.07469 [gr-
qc].

[22] S. Hadar, M. D. Johnson, A. Lupsasca, and G. N. Wong,
Phys. Rev. D 103, 104038 (2021), arXiv:2010.03683 [gr-
qc].

[23] S. E. Gralla and A. Lupsasca, “Photon Ring Visibility
Autocorrelations,” (2023), to appear.

[24] J. M. Bardeen, in Black Holes (Les Astres Occlus), edited
by C. Dewitt and B. S. Dewitt (Gordon and Breach Sci-
ence Publishers, 1973) pp. 215–239.

[25] E. Teo, General Relativity and Gravitation 35, 1909
(2003).

[26] E. Teo, General Relativity and Gravitation 53, 10 (2021),
arXiv:2007.04022 [gr-qc].

[27] S. Hadar, D. Kapec, A. Lupsasca, and A. Strominger,
Classical and Quantum Gravity 39, 215001 (2022),
arXiv:2205.05064 [gr-qc].

[28] S. E. Gralla, A. Lupsasca, and A. Strominger, MNRAS
475, 3829 (2018), arXiv:1710.11112 [astro-ph.HE].

[29] H. Falcke, F. Melia, and E. Agol, ApJ 528, L13 (2000),
arXiv:astro-ph/9912263 [astro-ph].

[30] R. Narayan, M. D. Johnson, and C. F. Gammie, ApJ
885, L33 (2019), arXiv:1910.02957 [astro-ph.HE].

[31] C. T. Cunningham, ApJ 202, 788 (1975).
[32] E. Himwich, M. D. Johnson, A. Lupsasca, and

A. Strominger, Phys. Rev. D 101, 084020 (2020),
arXiv:2001.08750 [gr-qc].

[33] S. G. Johnson, arXiv e-prints , arXiv:1508.04376 (2015),
arXiv:1508.04376 [math.CV].

https://doi.org/10.1051/0004-6361/202244216
http://arxiv.org/abs/2206.02781
http://arxiv.org/abs/2206.02781
http://arxiv.org/abs/2206.12066
https://doi.org/10.1103/PhysRevD.107.043030
http://arxiv.org/abs/2211.07469
http://arxiv.org/abs/2211.07469
https://doi.org/10.1103/PhysRevD.103.104038
http://arxiv.org/abs/2010.03683
http://arxiv.org/abs/2010.03683
https://doi.org/10.1023/A:1026286607562
https://doi.org/10.1023/A:1026286607562
https://doi.org/10.1007/s10714-020-02782-z
http://arxiv.org/abs/2007.04022
https://doi.org/10.1088/1361-6382/ac8d43
http://arxiv.org/abs/2205.05064
https://doi.org/10.1093/mnras/sty039
https://doi.org/10.1093/mnras/sty039
http://arxiv.org/abs/1710.11112
https://doi.org/10.1086/312423
http://arxiv.org/abs/astro-ph/9912263
https://doi.org/10.3847/2041-8213/ab518c
https://doi.org/10.3847/2041-8213/ab518c
http://arxiv.org/abs/1910.02957
https://doi.org/10.1086/154033
https://doi.org/10.1103/PhysRevD.101.084020
http://arxiv.org/abs/2001.08750
https://doi.org/10.48550/arXiv.1508.04376
http://arxiv.org/abs/1508.04376


15

10−5

10−3

10−1

V
isi

bi
lit

y
A

m
pl

itu
de

(J
y)

µ = 3/2 r+
ϑ = M
γ = 0

ϕ = 15◦n = 0
n = 1
n = 2
Total

10−5

10−3

10−1

V
isi

bi
lit

y
A

m
pl

itu
de

(J
y)

ϕ = 85◦[40,70] Gλ
[70,100] Gλ
[285,315] Gλ

0◦ 45◦ 90◦ 135◦ 180◦
Baseline angle ϕ

9.75

9.80

9.85

9.90

9.95

In
fe

rr
ed

di
am

et
er

(M
)

10−5

10−3

10−1

V
isi

bi
lit

y
A

m
pl

itu
de

(J
y)

µ = r+
ϑ = M/4
γ = 0

ϕ = 15◦

0 40 70 100 200 285 315 400
Baseline Length u (Gλ)

10−5

10−3

10−1

V
isi

bi
lit

y
A

m
pl

itu
de

(J
y)

ϕ = 85◦

0◦ 45◦ 90◦ 135◦ 180◦
Baseline angle ϕ

9.50

9.55

9.60

9.65

In
fe

rr
ed

di
am

et
er

(M
)

FIG. 4. Visibility amplitudes at two different baseline angles (ϕ = 15◦ and ϕ = 85◦), together with corresponding images
and inferred diameters dϕ, for two emission profiles from our survey (with Johnson SU parameters shown in the lower-left
corner). The top two rows display the profile whose interferometric n = 1 ring diameter d(1)ϕ inferred from the periodicity of
the visibility amplitude in the baseline window [70, 100]Gλ (yellow) best fits our theoretical prediction (18), with an RMSD
of 0.0025%. Conversely, the bottom two rows correspond to the profile in our survey with the worst fit to the circlipse shape
(18) that nonetheless has RMSD ≤ 0.05%. For the best-fit profile, an excellent fit is also obtained in the other two baseline
windows: RMSD of 0.012% in [40, 70]Gλ (magenta), and RMSD of 0.0016% in [285, 315]Gλ (purple). On the other hand,
for the worst-fit profile, a good fit is not possible in the window [40, 70]Gλ because it lies in the transition region between
the regimes dominated by the n = 0 and n = 1 rings: at many baseline angles in this range, each of the two rings produces
significant power, and their signals interfere in the visibility, whose periodicity then corresponds to neither’s diameter. For each
profile, we decompose the total visibility amplitude into the contributions it receives from each image layer labeled by n. This
total amplitude (dashed black line) is the sum of all the subring contributions in image space, but not in Fourier space.
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FIG. 5. Gravity adds a distinctive “stamp” to black hole images and their interferometric visibilities. Time-averaged images of
an M87* model with the strongly lensed light that produces the photon ring turned off (top left) and then back on (bottom
left), together with their corresponding radio visibilities (right column). The interferometric signature of the photon ring is a
characteristic “ringing” visibility amplitude at >∼ 20Gλ. The periodicity of this ringing at any given angle ϕ in the baseline
plane encodes the ring diameter dϕ at the corresponding angle φ = ϕ in the image.
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FIG. 6. Top left: Exact visibility amplitude |V (U)| (blue) of a Gaussian ring with t = 5% against its leading (orange) and
subleading (green) approximations (B4) in regime 1, showing excellent agreement in the expected range U � 1. Top right:
Exact visibility amplitude |V (U)| (blue) of a Gaussian ring with t = 20% against its leading approximation (B5) in regime
3, showing excellent agreement in the expected range U � 1. Bottom left: Exact visibility amplitude |V (U)| (blue) of a
relatively thicker Gaussian ring with t = 8% against its leading (orange) and subleading (green) approximations (B6) in regime
2. Bottom right: Same for a narrower ring of thickness t = 2%. In both cases, we find excellent agreement in the expected
range 1� U � (2πt)−1, where the profile follows the universal form (B8) of an infinitely thin ring.
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ABSTRACT

In this paper, we investigate the Blandford-Znajek (BZ) process within the framework of Ein-
steinian cubic gravity (ECG). To analytically study the BZ process using the split monopole configu-
ration, we construct a slowly rotating black hole in ECG up to cubic order in small spin, considering
the leading order in small coupling constant of higher curvature terms. By deriving the magneto-
sphere solution around the black hole, we determine the BZ power up to the second relative order
in spin. The BZ power is modified by the coupling constant compared to Kerr black hole. Although
the general nature of the BZ process in ECG remains unchanged at the leading order in spin, the
coupling constant introduces modification at the second relative order in spin. Therefore, we antic-
ipate that it is feasible to discern general relativity from higher derivative gravities by examining
the BZ power in rapidly rotating black holes.
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1 Introduction

In 1977 Blandford and Znajek (BZ) proposed a mechanism that efficiently extracts the rotational
energy of black holes by magnetic field [1]. The BZ process is realizable in an astrophysical en-
vironment, since the magnetic fields can be supported by accretion disks around stellar-mass and
supermassive black holes (BH). Thus the BZ process is thought to be the most promising candidate
for the power source of ultra high energy cosmic rays, such as gamma-ray bursts and relativistic
jets from active galactic nuclei. In the BZ process, the ergosphere of a rotating BH is immersed
in a poloidal magnetic field. Due to frame-dragging, the magnetic field lines twist in the toroidal
direction, resulting in the emergence of a poloidal electric field. In this way the rotational energy
of a BH is transferred into the energy of the currents outside the BH.

This process has been extensively studied by analytical method [1–10] and numerical stimulation
[5, 11–14] during the past four decades in general relativity (GR). The simplest analytical study of
the BZ mechanism is based on the "split monopole" configuration [1]. These studies allow for the
computation of the fields perturbatively up to a particular order of the BH’s spin, making them valid
only for slowly rotating BH. For the investigation of BZ process for rapidly rotating BH, numerical
simulations are usually necessary. Recently the authors in [10] have extended the perturbative
scheme to arbitrary orders of spin and any magnetic field configuration.

Since the BZ process depends on the ergosphere of BH, studying the process and its observational
signatures can provide insights into gravity in the strong-field regime. Specifically, investigating the
BZ process in deformed Kerr geometry, resulting from modifications of GR or certain astrophysical
environments, can help constrain the metric deformation parameters using BZ power. Some at-
tempts were made in this direction, such as studying BZ process for parametrically deformed Kerr
BHs [15–17], for Kerr-Sen BH in heterotic string theory [18] and for slowly rotating BH in scalar
Gauss-Bonnet gravity and dynamical Chern-Simons gravity [19].

The analysis in [19] shows a degeneracy between BH spin and the coupling constants of modified
terms at leading order in slow rotation approximation which is broken at higher orders. As a result,
if we want to distinguish GR from other theories of gravity using BZ power, we must study the BZ
process to high orders of spin. Roughly speaking, amplitude of rotation amplifies the differences
between GR and modified gravities. Another evidence for this cognition can be found in recent
paper [20]. In this paper, we study the BZ process to the second relative order in spin for Einsteinian
cubic gravity (ECG) which is a well-motivated high derivative gravity [21]. This can be a further
example that enhances the comprehension of how to learn about new physics from BH observations
related to BZ mechanism.

This paper is organized as follows: In section 2 we give a brief introduction to BZ mechanism. In
section 3 we construct slowly rotating BH in ECG. Then we obtain magnetosphere solution around
the BH in section 4. In section 5 we analysis the BZ power in ECG. We conclude in section 6.

2 Blandford-Znajek process

In this section, we show the main ingredients of Blandford-Znajek process. In the split monopole
configuration, the accretion disk is considered as a thin current sheet in the equatorial plane of
the BH, and the magnetosphere around the BH is determined by force-free electrodynamics which
implies [22]

FµνJ
ν = 0 (2.1)

2



where Fµν is the field strength tensor, and Jν = ∇µF
µν is the four-current.

In Boyer-Lindquist coordinates (t, r, θ, φ), a stationary and axisymmetric metric can be decom-
posed in the following form

ds2 = gµνdx
µdxν = gTABdx

AdxB + gPabdx
adxb (2.2)

gTAB is referred to as the toroidal metric (t, φ), and gPab is referred to as the poloidal metric (r, θ). A
stationary and axisymmetric electromagnetic field can always be represented by [22]

Ftr = −Frt = Ω∂rψ

Ftθ = −Fθt = Ω∂θψ

Frφ = −Fφr = ∂rψ

Fθφ = −Fφθ = ∂θψ

Frθ = −Fθr =
I

2π

√

gP

−gT (2.3)

with all other components zero. Here ψ, I,Ω are functions of r, θ. The t and φ components of
the force-free condition (2.1) imply that I,Ω are functions of ψ. To summarize, the force-free
electromagnetic field is characterized by three quantities: the magnetic flux ψ(r, θ) and the electric
current I(ψ) through a surface bounded by the loop of revolution at (r, θ), and the angular velocity
of magnetic field lines Ω(ψ) being dragged by the rotation of the BH. The r and θ components of
the force-free conditions (2.1) give the so-called stream equation

∇µ(|η|2∇µψ) + Ω′(η · dt)|∇ψ|2 − II ′

4π2gT
= 0 (2.4)

where the prime denotes a derivative with respect to ψ, and η ≡ dφ− Ωdt.
To solve the above stream equation, we must impose reasonable boundary conditions for ψ.

Here we follow a recent work by Armas et al. [10], imposing the boundary conditions for ψ as

ψ = 0, θ = 0,

ψ = ψ0, θ = π/2,

ψ finite, r = rH ,

ψ finite, r → ∞, (2.5)

where ψ0 is the monopole charge, and rH is the horizon radius. These are natural boundary
conditions for split monopole configuration. The solutions of I,Ω can be obtained by the so-called
Znajek conditions [22, 23]

I = 2π(Ω − ΩH)∂θψ

√

gφφ
gθθ

, r = rH

I = −2πΩ∂θψ sin θ, r → ∞ (2.6)

where ΩH is the horizon angular velocity. The Znajek conditions are derived from the requirement
that fields are finite in regular coordinates. Having obtained the solutions of field variables ψ, I,Ω,
the total electromagnetic energy flux extracted from the BH, also known as the BZ power, is given
by [22]

P = −
∫

IΩdψ = 4π

∫ π/2

0

[

Ω(ΩH − Ω)(∂θψ)
2

√

gφφ
gθθ

]
∣

∣

∣

∣

r=rH

dθ (2.7)
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3 Slowly rotating black hole in Einsteinian cubic gravity

The action of Einsteinian cubic gravity includes a particular combination of cubic curvature terms
[21]. The ECG has two remarkable properties. First the vacuum static spherically symmetric
solution is characterized by only one function in four dimension, which is determined by a two
derivatives differential equation. Second, the linearized equations of motion on maximally symmetric
backgrounds coincide with the linearized Einstein equations up to an overall factor. Thus it is free
of massive spin-2 ghost for general higher curvature gravity. The action of ECG is

S =
1

16πG

∫

dx4
√−g(R+ λP) (3.8)

where the cubic curvature term is

P = 12Rµ
ρ
ν
σRρ

γ
σ
δRγ

µ
δ
ν +Rρσ

µνR
γδ
ρσR

µν
γδ − 12RµνρσR

µρRνσ + 8Rν
µR

ρ
νR

µ
ρ . (3.9)

The covariant equation of motion is

Eab ≡ PacdeRb
cde − 1

2gabL− 2∇c∇dPacdb = 0 , (3.10)

where

Pabcd ≡ ∂L

∂Rabcd

= 1
2 (gacgbd − gadgbc) + 6λ

(

RadRbc −RacRbd + gbdRa
eRce − gadRb

eRce

−gbcRa
eRde + gacRb

eRde − gbdR
efRaecf + gbcR

efRaedf + gadR
efRbecf

−3Ra
e
d
fRbecf − gacR

efRbedf + 3Ra
e
c
fRbedf + 1

2Rab
efRcdef

)

. (3.11)

The static spherically symmetric BH in ECG is obtained in [24,25]. The bouncing universe in critical
ECG is obtained in [26]. The slowly rotating BH to leading order in spin for ECG with arbitrary
coupling constant of cubic term is obtained in [27]. To study the BZ process in ECG to the second
relative order in spin, we need construct the slowly rotating BH in Boyer-Lindquist coordinates, to
cubic order in spin and to leading order in coupling constant of cubic terms. Following the scheme
in [28], we can expand the metric as

gµν = g(0,0)µν + χg(1,0)µν + χ2g(2,0)µν + χ3g(3,0)µν + ζg(0,1)µν + ζχg(1,1)µν + ζχ2g(2,1)µν + ζχ3g(3,1)µν (3.12)

where g
(0,0)
µν is the Schwarzschild solution, and g

(m,n)
µν is a metric perturbation away from the

Schwarzschild solution in order O(ζnχm). Note that, we have introduced the dimensionless coupling
constant ζ and dimensionless spin χ by setting

λ =M4ζ, a =Mχ (3.13)

where M is the mass of BH, and a is the spin of BH. After gauge fixing, the metric ansatz for slowly
rotating BH take the form

ds2 = −(f + ζf (0,1) + χ2f (2,0) + ζχ2f (2,1))dt2 +
dr2

f + ζg(0,1) + χ2g(2,0) + ζχ2g(2,1)

+r2
[

(1 + χ2Θ(2,0) + ζχ2Θ(2,1))dθ2 + (1 + χ2Φ(2,0) + ζχ2Φ(2,1)) sin2 θdφ2
]

−2(χω(1,0) + ζχω(1,1) + χ3ω(3,0) + ζχ3ω(3,1)) sin2 θdtdφ (3.14)
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where ω(1,0), f (2,0), g(2,0),Θ(2,0),Φ(2,0) can be read off by taking the slowly rotating limit of Kerr BH
up to the cubic order of spin

f (2,0) =
2M3

r3
cos2 θ, g(2,0) =

M2

r2
− M2

r2
f cos2 θ, Θ(2,0) =

M2

r2
cos2 θ

Φ(2,0) =
M2

r2
+

2M3

r3
sin2 θ, ω(1,0) =

2M2

r
, ω(3,0) = −2M4

r3
cos2 θ (3.15)

The f (0,1), g(0,1), ω(1,1) can be obtained by taking small coupling approximation

f (0,1) = g(0,1) =
216M6

r6
− 368M7

r7
, ω(1,1) =

368M8

r7
(3.16)

We can decompose the O(ζχ2) and O(ζχ3) perturbations as [29]

f (2,1)(r, θ) = H0
0 (r) +H2

0 (r)P2(cos θ)

g(2,1)(r, θ) = H0
1 (r) +H2

1 (r)P2(cos θ)

Θ(2,1)(r, θ) = Φ(2,1)(r, θ) = H2
2 (r)P2(cos θ)

ω(3,1)(r, θ) = H0
3 (r) +H2

3P2(cos θ) (3.17)

The solution of H0
0 ,H

2
0 ,H

0
1 ,H

2
1 ,H

2
2 are given in the appendix A. The horizon is determined by

gttgφφ − g2tφ = 0, and the solution is

rH = 2M − χ2M

2
− ζM − ζχ2 11M

48
+ O(ζ2, χ4) (3.18)

The angular velocity of the horizon is

ΩH ≡ − gtt
gtφ

∣

∣

∣

r=rH
=

χ

4M
+

χ3

16M
+ ζχ

35

32M
+ ζχ3 7

64M
+ O(ζ2, χ5) (3.19)

The ergosphere is determined by gtt = 0

rergo = 2M − χ2M

2
cos2 θ − ζM − ζχ2 11M

48
(1− 15 sin2 θ) + O(ζ2, χ4) (3.20)

4 Magnetosphere solution in Einsteinian cubic gravity

We now derive the magnetosphere solution around the slowly rotating BH in ECG by solving the
stream equation (2.4) under the boundary conditions (2.5) and Znajek conditions (2.6). First we
expand the field variables ψ, I,Ω as follows [19]

ψ = ψ(0,0) + χ2ψ(2,0) + ζψ(0,1) + ζχ2ψ(2,1)

I = χi(1,0)(ψ) + χ3i(3,0)(ψ) + ζχi(1,1)(ψ) + ζχ3i(3,1)(ψ)

= χI(1,0) + χ3I(3,0) + ζχI(1,1) + ζχ3I(3,1)

Ω = χω(1,0)(ψ) + χ3ω(3,0)(ψ) + ζχω(1,1)(ψ) + ζχ3ω(3,1)(ψ)

= χΩ(1,0) + χ3Ω(3,0) + ζχΩ(1,1) + ζχ3Ω(3,1) (4.21)
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It is easy to obtain the expansion coefficients

I(1,0) = i(1,0)(ψ
(0,0)), I(3,0) = i(3,0)(ψ

(0,0)) + i′(1,0)(ψ
(0,0))ψ(2,0)

I(1,1) = i(1,1)(ψ
(0,0)) + i′(1,0)(ψ

(0,0))ψ(0,1),

I(3,1) = i(3,1)(ψ
(0,0)) + i′(1,0)(ψ

(0,0))ψ(2,1) + i′(1,1)(ψ
(0,0))ψ(2,0)

+i′(3,0)(ψ
(0,0))ψ(0,1) + i′′(1,0)(ψ

(0,0))ψ(0,1)ψ(2,0) (4.22)

and similar relations between Ω(n,m) and ω(n,m). Then we can compute the field variables ψ, I,Ω
order by order of O(ζnχm).

4.1 leading order in spin

Contribution from GR: O(ζ0χ0)

At order O(ζ0χ0), the stream equation is

Lψ(0,0) = 0 (4.23)

where L is a separable differential operator defined by

L =
∂

∂x

[

(1− 2

x

∂

∂x
)

]

+
sin θ

x2
∂

∂θ

(

1

sin θ

∂

∂θ

)

(4.24)

where we have introduced x ≡ r/M as a dimensionless radial coordinate. Imposing the boundary
conditions (2.5), one obtains

ψ(0,0) = ψ0(1− cos θ) (4.25)

which is the exact monopole solution. Note that xH = 2+O(χ2), so we impose the horizon boundary
conditions at x = 2 instead of xH . The Znajek conditions give

I(1,0) = −2πψ0Ω
(1,0) sin2 θ, Ω(1,0) =

1

8M
(4.26)

These are just the leading order results in GR [1,4].

Contribution from cubic term: O(ζ1χ0)

At order O(ζ1χ0), the stream equation is the same as the leading equation of GR

Lψ(0,1) = 0 (4.27)

Since the GR solution ψ(0,0) account for all the monopole charge ψ0, we take

ψ(0,1) = 0 (4.28)

The Znajek conditions give

I(1,1) = −2πψ0Ω
(1,1) sin2 θ, Ω(1,1) =

35

64M
(4.29)
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4.2 second relative order in spin

Contribution from GR: O(ζ0χ2)

At order O(ζ0χ2), the stream equation is

Lψ(2,0) = −ψ0
x+ 2

x4
cos θ sin2 θ (4.30)

This equation can be solved by separating variables. Imposing the boundary conditions (2.5), the
general solution is

ψ(2,0) = ψ0ϕ(x) cos θ sin
2 θ (4.31)

Substituting it into the stream equation (2.4), we obtain the equation for ϕ(x)

d

dx

(

(

1− 2

x

)

ϕ′(x)

)

− 6ϕ(x)

x2
+
x+ 2

x4
= 0 (4.32)

The solution of ϕ(x) satisfying the boundary conditions (2.5) is

ϕ(x) =
1

8
x2(2x− 3)

[

Li2

(2

x

)

+ ln
( 2

x

)

ln
(

1− 2

x

)

]

+
1

12
(6x2 − 3x− 1) ln

( 2

x

)

− 1

6
x2(x− 1) +

11

72
+

1

3x
(4.33)

The Znajek conditions give

I(3,0) = −2πψ0 sin
2 θ

[

Ω(3,0) + 2Ω(1,0)ϕ(x)
]

Ω(3,0) =
1

32M
+

67− 6π2

1152M
sin2 θ (4.34)

These are just the second relative order results in GR [4,10].

Contribution from cubic term: O(ζ1χ2)

At order O(ζ1χ2), the stream equation is

Lψ(2,1) = −ψ0s(x) cos θ sin
2 θ (4.35)

where s(x) is given by (B.48) in appendix B. Similarly the general solution of ψ(2,1) takes the form

ψ(2,1) = ψ0ϕζ(x) cos θ sin
2 θ (4.36)

and ϕζ(x) is determined by the equation

d

dx

(

(

1− 2

x

)

ϕ′
ζ(x)

)

− 6ϕζ(x)

x2
+ s(x) = 0 (4.37)

whose solution satisfying the boundary conditions (2.5) is given by (B.49) in appendix B. The
Znajek conditions give

I(3,1) = −2πψ0 sin
2 θ

[

Ω(3,1) + 2Ω(1,0)ϕζ cos
2 θ + 2Ω(1,1)ϕ cos2 θ

]

Ω(3,1) =
7

128M
+

120543743 − 9101400π2

129024000M
sin2 θ (4.38)
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5 The power of energy extraction

Up to second relative order in spin, the power of energy extraction can be obtained by (2.7)

P =

[

π

24
+

35π

96
ζ

]

ψ2
0χ

2

M2
+

[

π
(

56− 3π2
)

1080
+
π
(

61414581 − 4013800π2
)

80640000
ζ

]

ψ2
0χ

4

M2
(5.39)

In order to discuss our result, we arrange the horizon angular velocity in the same relative order

ΩH =

[

1

4
+

35

32
ζ

]

χ

M
+

[

1

16
+

7

64
ζ

]

χ3

M
+ O(ζ2, χ5) (5.40)

and the angular velocity of the magnetic field lines

Ω =

[

1

8
+

35

64
ζ

]

χ

M
+

[

1

32
+

7

128
ζ +

(

67− 6π2

1152
+

120543743 − 9101400π2

129024000
ζ

)

sin2 θ

]

χ3

M
(5.41)

The leading BZ power correction with respect to GR is

P
(2)
ECG − P

(2)
GR

P
(2)
GR

≈ 27.5ζ (5.42)

For given mass of BH M and magnetic flux ψ0, our result shows that the BZ power is dependent on
two parameters: the coupling constant ζ and the spin of BH χ. So if we have independent and high
quality measurements of the jet power and the spin of BH, we can distinguish GR from other theories
of gravity by fitting data in principle. However even within GR, a clear observational signature of
the BZ mechanism is still missing. Analytical calculation and numerical stimulations show that for
general rotating BH the maximum rate of energy extraction is achieved when Ω = 1

2ΩH , and takes
the form

P = kΩ2
HΦ2

BH (5.43)

where k = 1/6π for a split monopole field profile and k = 0.044 for a paraboloidal profile, and ΦBH

is the total magnetic flux through the BH horizon. Numerical stimulations show that this result is
accurate even for large spins up to χ ≤ 0.95 for Kerr black hole [5,13]. It is easy to check that this
general character of BZ process still holds at leading order in spin for ECG, i.e.

Ω =
1

2
ΩH + O(ζ2, χ3)

P =
1

6π
Ω2
HΦ2

BH + O(ζ2, χ4) (5.44)

where ΦBH = 2πψ0. Since P is a function which only depends on ΩH at leading order in spin,
the two parameters ζ and χ are degenerate to this order. This implies that we will not be able to
determine both the coupling constant ζ and the spin of BH χ even if both the BZ power P and the
horizon angular velocity ΩH are measured. However this degeneracy breaks when higher orders in
spin are considered. We can see this by rewriting the BZ power as

P =
1

6π

Φ2

M2
[(MΩH)2 + (α+ βζ)(MΩH)4] + O(ζ2, χ6) (5.45)
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where

α =
8(67 − 6π2)

45
≈ 1.38

β =
22053743

630000
− 67π2

150
≈ 30.60 (5.46)

When ζ = 0, we recover the GR result which is accurate for large spins up to χ ≤ 0.99 Kerr black
hole [5, 13]. These similar results were obtained for quadratic gravities in [19].

6 Conclusion

The BZ process can be viewed as a magnetic version of Penrose process, whose primary mechanism
is frame dragging due to the rotation of BH. In general, a magnetic version of Penrose process
depend both on the spacetime geometry and the magnetic field configuration. Since the accretion
disk is typically a low-density plasma, with the energy of magnetic field overwhelming the energy of
accretion disk, we can neglect the energy exchange between magnetic field and accretion disk. Thus
in the BZ process, we can determine the magnetosphere around the BH based on solving the force-
free electrodynamics under reasonable boundary conditions. Theoretical analysis and numerical
stimulation of this model in Kerr BH indicate that the power of outflowing jet depends on both the
angular velocity of BH horizon ΩH and the amount of magnetic flux threading the BH horizon ΦBH,
with jet power ∝ Ω2

HΦ
2
BH.The Event Horizon Telescope (EHT) observation of M87∗, especially the

polarization data favors this model strongly. [30, 31].
In this paper, we study the BZ process in the framework of ECG. As expected, the BZ power

is modified by the coupling constant of higher curvature terms ζ. However testing this result with
jet power is extremely challenging, even though the BZ mechanism is well understood, since we
need so many data to be measured independently, especially the BH spin χ. In fact our result show
that the BH spin χ and coupling constant ζ are degenerate in the BZ power at leading order in
spin. The degeneracies between the astrophysical or theory-dependent parameter and BH spin are
common for slow rotating BH. However, in ECG and quadratic gravities, this degeneracy breaks
down at higher orders in spin. To summarize, the feature of BZ power in higher derivative gravities
deviate from the one in GR for BH with large spin. Consequently, we expect that it is possible to
distinguish GR from higher derivative gravities using jet power with rapidly rotating black hole.
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A The metric functions at orders O(ζχ2) and O(ζχ3)

The metric functions H0
0 ,H

2
0 ,H

0
1 ,H

2
1 ,H

2
2 ,H

0
3 ,H

2
3 can be obtained by solving the equation of motion

(3.10) up to the order O(ζχ3), and are given by

H
0

0 = −

368M10

3r10
+

7592M9

3r9
−

1512M8

r8
, H

0

1 =
1840M10

r10
+

7672M9

3r9
−

1728M8

r8

H
2

0 = −

2208M11

r11
−

48M10

r10
+

16480M9

3r9
−

2992M8

r8
+

160M7

7r7
+

120M6

7r6
+

96M5

7r5
+

12M4

r4
+

12M3

r3

H
2

1 =
37536M11

r11
−

19152M10

r10
+

3232M9

3r9
−

1264M8

r8
+

160M7

7r7
+

120M6

7r6
+

96M5

7r5
+

12M4

r4
+

12M3

r3

H
2

2 = −

2208M10

r10
−

1616M9

3r9
−

1600M7

7r7
−

120M6

r6
−

432M5

7r5
−

30M4

r4
−

12M3

r3

H
0

3 = −

368M11

3r10
−

8024M10

3r9
+

352M9

7r8
+

160M8

7r7
+

60M7

7r6
+

9M6

7r5
−

31M5

14r4
−

23M4

7r3

H
2

3 =
2208M12

r11
−

1328M11

3r10
−

17344M10

3r9
+

480M9

7r8
+

240M8

7r7
+

12M7

r6
−

15M6

7r5
−

155M5

14r4
−

115M4

7r3

(A.47)

B Solution of the stream equation at order O(ζχ2)

The function s(x) in the stream equation at order O(ζχ2) (4.35) is

s(x) =
1

168(x − 2)2

(

−

24482304

x12
+

23256576

x11
−

3459456

x10
−

1484032

x9
+

1105024

x8
−

3519424

x7

+
3667536

x6
−

1492704

x5
+

226800

x4
−

6048

x3
−

1470

x2
+

735

x

)

−

4

(x− 2)2

(

644

x8
−

3728

x7
+

4545

x6
−

2067

x5
+

324

x4

)

ln
( 2

x

)

−6

(

276

x7
−

365

x6
+

108

x5

)[

ln
( 2

x

)

ln
(

1−
2

x

)

+ Li2
( 2

x

)

]

(B.48)

The solution ϕζ(x) of equation (4.37) is

ϕζ(x) =
x4

2016000(x − 2)

(

741888000

x13
+

64512000

x12
−

57984000

x11
−

12784000

x10
−

97814080

x9
+

449554800

x8

−

339643816

x7
+

78226442

x6
−

13759137

x5
−

1754200

x4
−

15094450

x3
+

26724600

x2

−

8908200

x

)

+
x4

4800(x − 2)

(

88320

x9
−

754800

x8
+

731016

x7
−

182532

x6
+

2142

x5

+
7070

x4
+

17675

x3
−

53025

x2
+

21210

x

)

ln
( 2

x

)

−

x4

640

(

22080

x8
−

36416

x7
+

12264

x6
+

2121

x2
−

1414

x

)[

ln
( 2

x

)

ln
(

1−
2

x

)

+ Li2
( 2

x

)

]

(B.49)
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On the screening condition in the core of neutron stars

D. N. Kobyakov1, ∗

1Institute of Applied Physics of the Russian Academy of Sciences, 603950 Nizhny Novgorod, Russia

The screening condition in neutron star core has been formulated as equality of velocities of superconducting
protons and the electrons vp = ue at wavenumbers q� λ−1 (λ is the London depth) and has been used to derive
the force between the electronic flow past the flux tube, which has astrophysical applications. By calculating
the current-current response, I find that vp 6= ue for l−1 < q� λ−1 (l is the electron mean free path) at typical
realistic parameters. Therefore, the momentum exchange between the electrons and the flux tubes in the core of
neutron stars remains an open question.

Introduction. In the core of neutron stars, the protons are
superconducting and the electrons are normal. Moreover, ob-
servable neutron stars host the magnetic field in their inte-
rior, which according to theoretical expectations induces a
flux tube lattice in the superconducting protons. Scattering
of the electrons by the flux tubes effectively couples the elec-
trons and the protons, and this coupling plays an important
role in modelling of observable phenomena in neutron stars.

Scattering of the electrons by a single flux tube in super-
conducting protons (or by a single superfluid neutron vortex
with magnetization) has been a long-standing problem. Al-
par, Langer and Sauls [1] have considered this problem for
the first time and have discussed some astrophysical implica-
tions. Their work has given rise to many publications where
this problem was addressed. A review of the literature on this
subject goes beyond the aims of this paper and is not essen-
tial for the further discussion below. A comprehensive liter-
ature review may be found in a recent work by Gusakov [2],
who also has done detailed calculations of the scattering of the
electrons by the proton flux tube in order to resolve some dis-
crepancies between different approaches to the physical prob-
lem, which have emerged since the appearance of the work by
Alpar, Langer and Sauls [1]. In the calculations of Gusakov
[2], an essential step was made in equation (16) of [2], when
the screening condition vp = ue was used. Lately, this condi-
tion was also used by Sourie and Chamel [3] in their studies
of superfluid neutron vortices in the core of neutron stars.

The condition vp = ue is expected to hold in the hydrody-
namic regime [4], which is defined, in the present context, for
wavenumbers q much smaller than the electron inverse mean
free path l−1 [5]. In other related problems, one may define
the hydrodynamic regime as length scales much longer than
the superfluid vortex separation [6], but here we will be inter-
ested in the electron properties.

However, the flux tube core length scale λ at typical tem-
perature T = 108 K is about 80 fm, and therefore it is not
clear whether the hydrodynamic approximation applies for
the problem of extraction of the momentum exchange in the
electron-flux tube scattering, because l� λ . Actually, we will
see that l is typically somewhere between 105 fm and 109 fm,
while the flux tube separation is somewhere between 144 fm
(at the magnetic field H = 1015 Oe) and 455 fm at (H = 1014

Oe).

∗ dmitry.kobyakov@appl.sci-nnov.ru

In this paper, I will show that when the flux tube size is re-
solved by the electron dynamics, the latter are in the particle-
hole regime and consequently the screening condition does
not always hold.

Screening of charge current by electrons. We will do cal-
culations with the material parameters corresponding to the
nuclear saturation density. The baryon number density is
n = 0.16 fm−3, the proton fraction xp = 0.05 and the pro-
ton number density is np = xpn, the electron number den-
sity is ne = np and the the electron Fermi wavenumber is
ke = (3πne)

1/3 ≈ 0.6187 fm−1. The electron velocity ue is the
microscopic velocity averaged on length scale much longer
than k−1

e . Likewise, the proton superflow velocity vp is the
quantity averaged on length scale much longer than the pro-
ton coherence length ξ (T ). At T � Tc, the superconducting
density is equal to np, where Tc = γ∆p/kBπ , with lnγ = 0.577
is the Euler constant and ∆p is the proton s-wave supercon-
ducting energy gap, and we have

ξ (0) =
h̄vF p

2γ∆p
≈ 7.2

(
1MeV

∆p

)
fm. (1)

Here, vF p = h̄kp/mp is the electron Fermi velocity, kp = ke
and mp is the proton mass. The number currents are defined
as je = neue and jp = npvp and the electric currents are Je =
−eneue and Jp = enpvp, where e is the proton electric charge.

Noting that me � mp, where me is the electron mass, is a
reasonable lowest-order approximation even for the relativis-
tic electrons, we may neglect the inertia of the electrons [4].
This implies that in order to study the transverse electromag-
netic response of the system it is sufficient to assume that the
proton velocity is given and then to calculate the equilibrium
electron velocity. The physical meaning of the screening con-
dition vp = ue is that for a given proton velocity, the electron
velocity is the same and the total electrical current Je + Jp is
zero, or Je = −Jp. Thus, we are free to choose the proton
phase as a constant, and we obtain

Jp = enp(−eA/c), (2)

where A is the electromagnetic vector potential [7]. It will be
convenient to work in the Fourier representation, X(q,ω) =∫

d3xdt eiq·x−iωtX(x, t), where X(x, t) is any function of space
and time. From the relation E = −c∂A/∂ t we observe that
to calculate the electron current for a given proton velocity, in
the lowest approximation we need to calculate the quantity

σ(q,ω) =
δJe(q,ω)

δE(q,ω)
=

ec
iω

δ je(q,ω)

δA(q,ω)
, (3)
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which is the electrical conductivity of the electrons.
From the other hand, the electrical conductivity may be ex-

pressed through the dielectric function εt , for which one has
at least two equivalent choices. We shall work with the trans-
verse fields in this paper; for convenience, the subscript t is
added to stress that εt is the transverse dielectric function.
Choosing the definition of the dielectric function following
Lindhard [8] from the electric induction D, or

D = ε
(L)
t E, (4)

we have the Maxwell equation(
q2− ω2

c2 ε
(L)
t (q,ω)

)
A(q,ω) =

4π

c
Jext(q,ω). (5)

Alternatively, one can follow Jancovici [9] and define the di-
electric function from the equation for the total self-consistent
vector potential A = Aext +Aind, which is a sum of the exter-
nal part Aext due to a source and the induced part Aind due to
the electrons:

A(q,ω) =
1

εt(q,ω)
Aext(q,ω). (6)

Then we have the Maxwell equation(
q2− ω2

c2

)
εt(q,ω)A(q,ω) =

4π

c
Jext(q,ω), (7)

and we obtain

ε
(L)
t (q,ω)−1 =

c2q2−ω2

ω2 (1− εt(q,ω)) . (8)

From the Maxwell equations, σ is related to ε
(L)
t as following

[10]:

σ(q,ω) =
ω

i4π

(
ε
(L)
t (q,ω)−1

)
. (9)

It is convenient to introduce the response function χ̃t(q,ω)
according to the definition

εt(q,ω) = 1+
4πe2

q2 χ̃t(q,ω). (10)

Combining the above equations we can write

χ̃t(q,ω) =
cq2

e(ω2− c2q2)

δ je(q,ω)

δA(q,ω)
. (11)

Using the approximation discussed above we associate the ex-
ternal current Jext with Jp and the total current with Jp + Je;
thus, we associate the electronic current Je with the induced
current Jind. With this definition, we have

Je(q,ω) =
1− εt(q,ω)

εt(q,ω)
Jp(q,ω). (12)

In the present system, the electrons are relativistic and
quantum degenerate. It is important to distinguish between

the regimes of the electron dynamics [10]: the hydrodynamic
regime is realized when ω� ν and q� l−1; the particle-hole
regime results when ω > ν and/or q > l−1. There are two
options in the particle-hole regime: with q > l−1 and ω > ν

the collisions are unimportant; with q > l−1 and ω < ν the
collisions are important.

Here, ν = c/l is the electron collision rate, which is defined
as a sum of the collision rates with all kinds of impurities that
scatter the electrons. In the present system,

ν = ν1 +ν2, (13)

where ν1 (or ν2) is the rate of collisions of the electrons with
the normal protons within the magnetic flux tubes (or with
the magnetic field lines within the magnetic flux tubes and the
superfluid neutron vortices).

Calculation of σ(q,ω). As the first step, we address the
time and length scales involved in the problem of calculation
of σ (or, equivalently, εt ). In the present system, we are inter-
ested in the short length scales (q≥ l−1) and slow frequencies
(ω � ν). We notice that Jancovici has already calculated [9]
the dielectric function εt(q,ω) for q ≥ l−1, but completely
neglecting the electron collisions (for ω � ν). Here, ω are
rather small and may take values from ω ∼ 0 for phenomena
related to smooth evolution of the magnetic field in neutron
stars, to ω ∼ 104 for phenomena related to quasi-periodic os-
cillations in magnetars.

At temperatures T � Tc the normal protons in the bulk of
the superconductor may be neglected and collisions of the
electrons with the normal protons occur only within the flux
tubes, therefore

ν1 ≈ τ
−1
tr

Hc2(0)
H

, (14)

where Hc2(0) = Φ0/2πξ (0)2, Φ0 = π h̄c/e, is the upper crit-
ical magnetic field of the superconductor at T = 0, H is the
stellar magnetic field and τtr ≈ 2× 10−14 s is the electron
transport relaxation time with normal protons evaluated by
Baym, Pethick and Pines [11]. With typical H = 1015 Oe and
∆p = 1 MeV, we find ν1 ≈ 3.166×1015 s−1. For scattering of
the electrons by the magnetic field in the flux tube, we use the
order of magnitude estimate

ν2 =
c
let
≈ cσetnt , (15)

where let is the electron mean free path between consecutive
collisions of the electron with the flux tube, σet is the dif-
ferential cross-section for scattering of the electron with the
flux tube and nt = H/Φ0 is the number of flux tubes per unit
area. Note that if H is smaller than the lower critical mag-
netic field, the neutron vortices would provide the dominant
impurity scattering for the electrons. The cross section is
given by σet = αk−1

e , where α = α(keξ ,λ/ξ ). From equa-
tions (37) and (40) from Gusakov [2] we infer that α ∼ 10−2,
depending on the dimensionless parameters keξ and λ/ξ .
Thus, with typical H = 1015 Oe and ∆p = 1 MeV, we find
ν2 ≈ α × 2.343× 1019 s−1 and ν ≈ ν2. This coincides with
the standard theoretical expectation that the main source of the
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electron-proton coupling in superconducting matter of neu-
tron star core is the electron interaction with the magnetic flux
tubes.

We have found, as expected, that ω � ν for typical pro-
cesses in neutron stars. Thus, for the further calculations,
εt(q,ω) calculated by Jancovici [9] must be modified in order
to include the electron collisions. We will use the following
notation:

χ̃t(q,ω) =

{
χt(q,ω) for ω � ν ,
χν

t (q,ω) for ω � ν .
(16)

As the second step, we turn to the kinetic equation, from
which the functional derivative δ je(q,ω)/δA(q,ω) can be
calculated in both cases, when either ω � ν (the collision
integral I[n1p] is nonzero) or ω � ν (I[n1p] = 0). Here, n1p
is the departure of the distribution function from true equilib-
rium [10], [12]. In the relaxation time approximation (RTA),
the collision integral is written in the form

I[n1p] =−ν
(
n1p−nR

1p
)
, (17)

where nR
1p is the so-called locally relaxed equilibrium distri-

bution function [12].
As Conti and Vignale have shown [12], in RTA the response

function with collisions (χν
t (q,ω)) can be obtained from the

response function without collisions with the frequency ω re-
placed by ω + iν (χt(q,ω + iν)):

χ
ν
t (q,ω) =

ω

ω + iν
χt(q,ω + iν). (18)

Notice that Conti and Vignale [12] have worked with the
quantity χτ

t (the superscript 1999 is to refer to the quantities
used in [12]),

χ
τ
t (q,ω)≡ δ j1999

e (q,ω)

δA1999(q,ω)
=−c

e
δ je(q,ω)

δA(q,ω)
, (19)

which, as can be easily seen from Eqs. (11), (16) and (19), is
proportional to χν

t :

χ
ν
t (q,ω) =

q2

c2q2−ω2 χ
τ
t (q,ω). (20)

By virtue of the proportionality between χν
t and χτ

t seen in
Eq. (20), the result obtained in RTA for the relation between
χτ

t and its collisionless counterpart by Conti and Vignale [12],
is applicable to the relation between χν

t and χt ; this validates
the formula in Eq. (18).

This conclusion is useful because it allows to find χν
t (q,ω)

from χt(q,ω), which has been obtained by Jancovici. Equa-
tion (66) from Jancovici [9] gives:

χt(q,ω) =
s
2

∂ne

∂ µe

(
s

1− s2 +
1
2

log
s+1
s−1

)
, (21)

where µe is the electron Fermi energy, ∂ne/∂ µe = k2
e/π2h̄c

and s ≡ s(q,ω) = ω

cq . Collecting the results we obtain the
main formula of this paper:

σ(q,ω) =
ω2− c2q2

iω
e2

q2
ω

ω + iν
χt(q,ω + iν). (22)

FIG. 1. The real part of the proportionality coefficient ζ between
the induced current and the test current, Eq. (23), as function of the
collision frequency ν with wavenumber set as q = ν/c. From left to
right, the lines correspond to ω = 10, 102, 103 and 104.

FIG. 2. The imaginary part of the proportionality coefficient ζ be-
tween the induced current and the test current, Eq. (23), as function
of the collision frequency ν with wavenumber set as q = ν/c. From
left to right, the lines correspond to ω = 10, 102, 103 and 104.

From Eqs. (10), (16), (18) and (21) we will calculate the quan-
tity

ζ ≡ 1− εt(q,ω)

εt(q,ω)
, (23)

which indicates effectiveness of the current-current screening,
see Eq. (12). In the limiting case, when ζ =−1 we infer that
the screening condition holds, and vp =ue. In another limiting
case, when ζ = 0 we infer that the proton supercurrent is not
screened by the electron current, and the screening condition
does not hold.

Numerical results. We turn to evaluation of ζ for various
q, ω and ν . Figures 1-4 display ζ , Eq. (23), as function of
ν for four different frequencies (ω = 10, 102, 103 and 104)
and for two different length scales (q = ν/c and 10ν/c). The
chosen set is sufficient to reveal general patterns in behavior
of ζ as function of q, ω and ν . Comparing the positions of

FIG. 3. The same as Fig. 1 but q = 10ν/c.
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FIG. 4. The same as Fig. 2 but q = 10ν/c.

lines in Figs. 1 and 3 we observe that at fixed ν , decreasing
of q leads to improvement of screening; this implies that the
smaller q is, the closer ζ is to minus unity, as expected. We
can say that decreasing of q at fixed ω moves the curve ζ in
Fig. 1 to the right.

If we have ν fixed, for instance, ν = 3×1018 Hz, then for
any ω between 0 and 104, the electrons do not screen the pro-
ton supercurrent at any length scale shorter than the electron
mean free path (q > ν/c≈ 108 cm−1).

A somewhat nontrivial result is that increasing of ω im-
proves the screening effectiveness; for example, with the col-
lision rate ν = 1017 Hz, we would have complete screening
(ζ = −1) at q = ν/c ≈ 3× 106 cm−1 only for ω ≥ 108 Hz
(this numerical result is not shown explicitly in the Figures
but could be seen in Fig. 1 as ultimate shift of the curve ζ to
the right leaving in the plot only the “tail” with ζ =−1). We
can say that increasing of ω at fixed q moves the curve ζ in
Fig. 1 to the right.

The imaginary part of ζ are shown in Figs. 2 and 4. We see
that the imaginary part is zero at either complete screening
(ζ =−1) or at screening absent (ζ = 0), while in the interme-
diate case, which can be called an incomplete screening, the
induced current may have the phase-shifted (by π/2) compo-
nent with magnitude equal to that of the in-phase component
of the induced current.

Conclusions. Based on microscopic physics, we have de-
veloped the framework, which can be used to estimate the ef-
fectiveness of the electrical current response of the electrons
to a given proton supercurrent in presense of a lattice of flux
tubes. We have used typical parameters corresponding to the
core of neutron stars and studied the screening condition for
various values of the electron momentum-nonconserving col-
lision frequency. We have obtained that for typical frequen-
cies of change of the relative velocity between the electrons
and the superconducting protons (between about 0 and 104

Hz), the electrons are unable to screen the proton supercur-
rent. The implication is that one of the basic conditions used
in the earlier literature for calculation of the effective force
acting between the electrons and a localized magnetic flux
tube associated with a proton (or neutron) quantized magne-
tized vortex, namely the screening condition, which assumes
that the electron velocity is equal to the superflow velocity at
distance an order of magnitude larger than the linear size of
the flux tube cross-section, does not hold. As a result, the rate
of momentum exchange between the electrons and the flux
tube lattice in the superconducting and/or superfluid nuclear
matter in the core of neutron stars remains an open question.
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Abstract

For the light relativistic dark matter (DM) boosted by high energy cosmic ray, its scattering

cross section with the nucleon is sensitively dependent on the momentum-transfer and such an

dependence is caused by the mediator in the scattering. For puffy DM particle with a size, the

momentum-transfer dependence can also arise from the DM radius effect. All these momentum-

transfer dependences should be considered. In this note we study the direct detection limits on

the cosmic ray-boosted puffy DM for a simplified model with a light mediator. For comparison,

we first re-derive the direct detection limits on the cosmic ray-boosted point-like DM. We display

the limits on various planes of parameters and find that the limits for the cosmic ray-boosted puffy

DM are stronger than for the point-like DM.
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I. INTRODUCTION

As a crucial component of our universe, dark matter (DM) has significant influence on

the evolution of the universe and the formation of large-scale structures [1, 2]. So far all

evidence for the existences of DM have primarily been based on gravitational interaction,

such as the rotation curves of galaxies, the collision of bullet clusters and gravitational

lensing effects [3–5]. As a fundamental particle, the nature of DM particle remains a great

mystery to the field of particle physics, such as its spin, mass and size [6], although the

state-of-the-art technologies have been being used to detect the DM particle, especially its

most popular candidate called the Weakly Interacting Massive Particle (WIMP) [7–9].

In the direct detection of DM, the traditional experiments have good sensitivities for

DM mass above 1 GeV [10], while below 1 GeV the sensitivity of detection is almost lost

since the maximal non-relativity DM-nuclear recoil energy drops below the threshold of the

detectors [11–13]. Recently, some experiments start focusing on inelastic scattering processes

involving sub-GeV DM, such as the DM-electron scattering, the nuclear recoils through the

Migdal effect and the DM-phonon scattering [14–22]. Furthermore, these experiments are

exploring a variety of targets including noble gas atoms, semiconductors, Dirac materials

and superconductors [23–28].

On the other hand, the direct detection of sub-GeV DM can become feasible, considering

2



that the high energy galactic cosmic rays can collide with the cold sub-GeV DM and generate

a (semi-)relativistic DM component of cosmic rays, called the CRDM flux [29–41]. In this

case, the relativistic scattering cross section between DM and ordinary matter is dependent

on the momentum-transfer closely, particularly when the mediator mass is light [42]. Thus

the complete propagator should be considered in the calculation of cross section. In fact,

from 1/(q2 +m2
φ) ∝ 1/(1+q2/m2

φ) we see that one source of momentum-transfer dependence

in the cross section comes from the mediator. Furthermore, for puffy DM with a finite size,

another source of momentum-transfer dependence in the cross section arises from its radius

effect, similar to the study for addressing the small-scale structure anomalies [43–45]. For the

direct detection of cosmic ray-boosted puffy DM, these two sources of momentum-transfer

dependence need to be jointly considered, which is the aim of this work. The obtained limits

will also provide information on the DM radius, which is crucial in revealing the nature of

DM.

This work is arranged as follows. In Sec. II, a simplified model for puffy DM is presented.

In Sec. III, the full processes of cosmic ray-boosted puffy dark matter are described. In Sec.

IV, some numerical results about the mediators and the finite-size effects are shown. Sec.

V gives our conclusions.

II. A SIMPLIFIED MODEL WITH MEDIATOR FOR PUFFY DARK MATTER

Light mediators play a crucial role in DM direct detection and collider searches, as the

recoils of targets from momentum transfer are significantly influenced by the mediators.

From puffy DM, the effects of DM size, which provide an additional source of momentum-

transfer dependence in the DM-nucleon scattering cross section, must be fully considered to

account for all factors influencing the momentum transfer [46].

When the DM particle is point-like, a simplified model with scalar φ or vector Vµ as the

mediator between DM and nucleon has a Lagrangian

Lint ⊃gχSφχ̄χ+ gNSφN̄N

+ gDVµχ̄γ
µχ+ gεVµN̄γ

µN,
(1)

where χ is the DM, N denotes proton or neutron, and gχs, gNs, gD and gε are the coupling

constants. In general, a cold DM particle can be approximately considered at rest. However,

3



when it is boosted by cosmic rays, its velocity can be relativistic. The differential scattering

cross section between a CR particle and a point-like DM particle can be calculated as(
dσχN
dTχ

)
S0,CR

=
A2g2

Nsg
2
χsF

2(q2)(2mχ + Tχ)(2m2
N +mχTχ)

8πTi(Ti + 2mN)(m2
φ + 2mχTχ)2

(2)(
dσχN
dTχ

)
V0,CR

=
A2g2

Dg
2
εF

2(q2){2mχ(mN + Ti)
2 − Tχ[(mN +mχ)2 + 2mχTi] +mχT

2
χ}

4πTi(Ti + 2mN)(m2
V + 2mχTχ)2

(3)

where the subscript 0 means point-like DM particle with zero radius, Tχ and Ti denote

respectively the kinetic energies of the outgoing DM particle and the incoming CR particle

(proton or helium), A is the number of nucleons inside a CR particle, and F (q) takes a

dipole form for proton [29].

Puffy DM was proposed [43] to realize the self-interacting DM scenario to solve the small

scale structure anomalies. For the DM-nucleus scattering, when the momentum-transfer is

much smaller than the inverse size of the nucleus, the scattering is considered as a coherent

scattering [47]. Instead, when the momentum-transfer is sizable and the spin-independent

scattering loses the coherence, the internal structure of the nucleus can be probed and we use

a form factor for the nucleus which is related to the structure of the nucleus [48]. Similarly,

if the DM particle has a finite size, the DM-nucleus scattering cross section can be simplified

as a product of the conventional DM-nucleus cross section with an additional form factor of

DM [43, 46]. In this work, we use such a form-factor approach and consider a dipole shape

form factor given by

FDM(q2) =
1

(1 + r2
DMq

2)2
, (4)

where rDM is the characteristic scale of the puffy DM particle and q is the momentum-

transfer in the DM-nucleus scattering. Accordingly, the differential scattering cross section

between a CR particle and a DM particle is(
dσχN
dTχ

)
puffy,S(V),CR

= F 2
DM(q2)

(
dσχN
dTχ

)
S0(V0),CR

(5)

In fact, as the radius of the puffy DM particle increases, the cross section becomes obviously

suppressed, even for a light mediator. So, for a sizable radius, such a size effect may be

crucial in the DM scattering processes.
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III. DETECTING COSMIC RAY-BOOSTED PUFFY DARK MATTER

In this section, the relevant scattering processes of the cosmic ray-boosted puffy dark

matter (CRPDM) are described. In fact, all these processes are also involved in detecting

the CRDM [29]. These scattering processes include: the puffy DM particles are scattered

and boosted by high energy CR, the CRPDM is attenuated by the dense matter of the

earth, the CRPDM scatters off the nuclei in the detector. Considering the size of a puffy

DM particle, it is necessary to take into account the momentum-transfer arising from both

the mediator effect and the DM radius effect in the scattering processes.

(1) Puffy DM boosted by high energy CR: When a puffy DM particle is initially

at rest and then boosted by high-energy CR, the resulting flux of the relativistic puffy DM

can be expressed as

dΦχ

dTχ
= Deff

ρχ
mχ

∑
i

∫
Tmin
i

dTi

(
dσχi
dTχ

)
puffy,CR

dΦLIS
i

dTi
, (6)

where the effective diffusion zone parameter Deff is set as 1 kpc as in [29], the local DM

density ρχ = 0.3 GeVcm−3, the local interstellar (LIS) flux for protons and He nuclei is

denoted as dΦLIS
i /dTi [49, 50], and Tmin

i is the minimal incoming CR energy for the boosted

DM energy Tχ given by

Tmin
i =

(
Tχ
2
−mi

)[
1±

√
1 +

2Tχ
mχ

(mi +mχ)2

(2mi − Tχ)2

]
. (7)

(2) CRPDM attenuated by dense matter of the earth: Before the relativistic

CRPDM reaches the detector, it undergoes significant attenuation as it travels from the top

of the atmosphere to the location of the detector. The degradation of DM energy due to

the dense matter of the earth can be estimated numerically [51, 52]

dT zχ
dz

= −
∑
N

nN

∫ TmaxN

0

dσχN
dTN

TNdTN , (8)

where T zχ denotes the DM energy located at the z-depth from the top of the atmosphere of

the earth, nN is the average nuclei densities of the earth’s elements provided by DarkSUSY

6 [53], TN is the recoil energy of nucleus N , and the differential cross section dσχN/dTN is

calculated at the z-depth. The attenuated CRPDM flux located at the z-depth can be

obtained via the primordial flux dΦχ/dTχ

dΦχ

dT zχ
=

(
dTχ
dT zχ

)
dΦχ

dTχ
. (9)
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(3) CRPDM scattering in detectors: If the attenuated CRPDM retains enough

energy, it may produce a signal that can be detected directly at the detector. The recoil

rate per target particle mass at the recoil energy range T1 < TN < T2 is given by

R =

∫ T2

T1

1

mN

dTN

∫ ∞
T z,minχ

dT zχ
dσχN
dTN

dΦχ

dT zχ
. (10)

The differential cross section can be obtained from Eqs. (2, 3, 5) via the substitutions

mχ ↔ mN , Ti → Tχ and Tχ → TN . Note that the three differential cross sections for the

three scattering processes are expressed in different frames.

IV. NUMERICAL RESULTS AND ANALYSIS

For numerical calculations, we modify the package darksusy 6.2.2 [53] by encoding the

differential cross section with two sources of momentum-transfer dependence from mediator

and radius effects. By comparing the results of the Xenon1T experiment with the theoretical

predictions, the direct detection constraints can be obtained.

FIG. 1: The flux of CRPDM with RDMmφ = 10 (solid curves) and CRDM (dashed curves) for

different DM masses in a simplified model with a light scalar (left panel) or vector mediator (right

panel) whose Lagrangian is shown in Eq.(1). The mediator mass mφ = 0.1 GeV and the couplings

are set at 1.

First, in Fig. 1 we present the flux of CRPDM (RDMmφ = 10) and CRDM for different

DM masses in the simplified model with a scalar or vector mediator whose Lagrangian is

6



shown in Eq.(1). We see that for different dark matter masses, both the CRDM and CRPDM

fluxes can reach the (semi-)relativistic velocity range. For a given DM mass, the CRPDM

flux for puffy DM has a weaker strength than the CRDM flux for point-like DM. Also, the

flux dΦ/dTχ (the slope of the curves in Fig. 1) is almost independent of the DM mass for

a small Tχ, contrary to the constant cross section case [29] in which the flux decreases with

the DM mass. The reason is that the suppression factor 1/mχ in Eq. (6) is canceled by mχ

in the differential cross sections in Eqs. (2, 3) for a small Tχ.

FIG. 2: Constraints on the spin-independent CRDM-nucleon scattering cross section from the

XENON1T experiment. The light blue regions are for the constant cross section [29], while the

pink regions are for the simplified model with a light scalar (left panel) or vector (right panel)

whose Lagrangian is shown in Eq.(1).

Subsequently, the constraints on the DM-nucleon spin-independent scattering cross

section can be obtained from the XENON-1T experiment by analyzing the collision between

the relativistic DM flux and the nucleon. We first show in Fig. (2) the limits for CRDM,

i.e., the point-like DM boosted by cosmic ray. From Fig. (2) we see that compared with

the constant scattering cross section, stronger exclusion limits can be obtained for the DM

model with a light mediator due to the momentum-transfer. A rather strong lower limit

about O(10−40) is obtained in the scalar mediator case. As analyzed in [54], the reason for

the band-shape exclusion region is that the survival parameter space above the red band

gives a too strong DM-nucleon cross section so the attenuation blocks CRDM to reach the

detector. Of course, the survival parameter space below the band is easy to understand

7



because it just gives a too weak CRDM-nucleon scattering cross section. In Fig. 3 we

demonstrate the excluded region on the plane of CRDM mass versus the mediator mass.

The excluded region also takes a band shape, which means that the mediator mass is not

constrained outside the band. The reason is that a too heavy mediator can severely suppress

the DM-nucleon scattering cross section while a too light mediator can lead to a too large

DM-nucleon cross section so the CRDM is blocked by the strong attenuation to reach the

detector.

FIG. 3: Same as Fig. (2), but showing on the plane of the CRDM mass versus the mediator mass.

For the CRPDM, i.e., the cosmic-ray boosted light puffy DM with a light scalar or vector

mediator, we in Fig. 4 show the excluded region on the plane of the spin-independent

CRPDM-nucleon scattering cross section versus the DM mass. It can be seen that when the

mediator effect dominates (magenta regions with a radius-force range ratio RDMmφ = 10−3),

the results are the same as for the point-like DM case with only the mediator effects shown

in Fig. 2. However, for the radius-force range ratio RDMmφ = 10, the radius effect becomes

sizable and a larger excluded region with a larger cross section is obtained (yellow region).

The reason is that when the radius effect is sizable, the CRPDM-nucleon scattering is

suppressed and the attenuation of the CRPDM flux is weakened so that the direct detection

limits become stronger. In Fig. 5 we show the corresponding constraints on the plane of

DM mass versus mediator mass. Again we see that the excluded region is larger for a larger

radius-force range ratio.

Furthermore, when the radius-force range ratio is varied, we scan over the DM radius
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FIG. 4: Constraints on the spin-independent CRPDM-nucleon scattering cross section from

the XENON1T experiment. The light yellow regions and magenta regions are respectively for

RDMmφ = 10 and RDMmφ = 10−3 with the coupling constants fixed at 1. The light green regions

are for varied radius and coupling constants.

FIG. 5: Same as Fig. (4), but showing on the plane of DM mass versus mediator mass.

and coupling constants to obtain the light green regions in Fig. 4 and Fig. 5. We see that

in this case the excluded parameter space is enlarged. Finally, in Fig. 6 and Fig. 7 we

re-display these constraints on the plane of the coupling constants or the radius-force ratio

RDMmφ versus the DM mass.

9



FIG. 6: Same as the green region in Fig. (4), but showing on the plane of DM mass versus the

coupling constant.

FIG. 7: Same as the green region in Fig. (4), but showing on the plane of DM mass versus the

radius-force range ratio RDMmφ.

V. CONCLUSION

In this work we examined the direct detection limits on the cosmic ray-boosted puffy DM

for a simplified model with a light mediator. For comparison, we first re-derived the direct

detection limits on the cosmic ray-boosted point-like DM. We displayed the excluded regions

in terms of the DM and mediator masses, the coupling constants, and the ratio of radius to

force range. Our results showed that the momentum-transfer from both the mediator effect

10



and the DM radius effect should be jointly considered. Compared to point-like DM, the

direct detection limits were found to be stronger for the cosmic ray-boosted puffy DM.
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Charged Particle Motion Near a Magnetized Black Hole: A Near-Horizon
Approximation

Noah P. Baker1 and Valeri P. Frolov1, ∗
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In this paper, the orbits of a charged particle near the event horizon of a magnetized black hole are
investigated. For a static black hole of mass M immersed in a homogeneous magnetic field B, the
dimensionless parameter b = eBGM/(mc4) controls the radius of the circular orbits and determines
the position of the innermost stable circular orbit (ISCO), where m and e are the mass and charge
of the particle. For large values of the parameter b, the ISCO radius can be very close to the
gravitational radius. We demonstrate that the properties of such orbits can be effectively and easily
found by using a properly constructed “near-horizon approximation”. In particular, we show that
the effective potential (which determines the position of the orbit) can be written in a form which
is invariant under rescaling of the magnetic field, and as a result is universal in this sense. We also
demonstrate that in the near-horizon approximation, the particle orbits are stationary worldlines
in Minkowski spacetime. We use this property to solve the equation describing slow changes in
the distance of the particle orbit from the horizon, which arise as a result of the electromagnetic
field radiated by the particle itself. This allows us to evaluate the life-time of the particle before it
reaches the ISCO and ultimately falls into the black hole.

I. INTRODUCTION

An isolated, non-rotating black hole does not have a
magnetic field [1]. This is a direct consequence of the
famous no-hair theorem [2]. However, when a black hole
is surrounded by an accretion disk, a magnetic field gen-
erated by currents in the disk plasma may exist. This
field plays an important role in black hole astrophysics.
For example, the Blandford-Znejek mechanism, which
provides an explanation behind the formation of astro-
physical jets around spinning supermassive black holes,
requires an accretion disk with a strong magnetic field
around a rotating black hole [3] (see also [4] and refer-
ences therein).

In 2013, evidence of the existence of a magnetic field
in the vicinity of the black hole at the center of the Milky
way was obtained [5, 6]. This was done by observing the
Faraday rotation of the linearly polarized radio waves
emitted by the magnetar PSR J1745-2900, which trav-
elled close to the black hole on their way to the Earth.
The angle of Faraday rotation of a linearly polarized ra-
dio wave beam in magnetized plasma is proportional to
the integral of the product of the longitudinal magnetic
field and the density of free electrons over the ray’s path.
It is also proportional to the wavelength squared [7]. This
makes it possible to obtain information about a regular
magnetic field by observing the Faraday rotation angle
for different wavelengths. The radio waves emitted by
the magnetar allow one to measure the magnetic field at
a distance from the black hole about 105 of its gravita-
tional radius. According to adopted models, the mag-
netic field increases inwardly, and the estimated regular
magnetic field near the black hole should be about 100G

∗ vfrolov@ualberta.ca
† nbaker@ualberta.ca

[5, 6].

More recently, in 2021, polarization measurements by
the Event Horizon Telescope of the light emitted by the
matter surrounding the black hole in the galaxy M87
provided signatures of the magnetic field close to the edge
of the black hole [8]. Based on these observations, the
estimated magnetic field strength was shown to be in the
range B ∼ 1 − 30G. Estimations based on observations
and theoretical models indicate that the magnetic field
near stellar mass black holes can in fact be much larger
(see, e.g., [9, 10]).

Let us emphasize that for realistic magnetic fields ex-
pected near black holes, one can neglect their back-
reaction on the spacetime geometry. On the other hand,
the effect of these fields on the orbits of charged particles
near the horizon might be very large. This happens be-
cause, in general, the dimensionless quantity e/(

√
Gm)

for a particle of charge e and mass m is very large (e.g.,
for electrons it is of order 1016). This implies that even
close to the horizon of a magnetized black hole, the
Lorentz force acting on a charged particle can dramat-
ically change its trajectory. We define a dimensionless
parameter which characterizes the strength of the mag-
netic field, given by

b =
eBGM

mc4
. (1.1)

Here, M is the mass of the black hole and B is the char-
acteristic value of the magnetic field in its vicinity. The
meaning of this parameter is as follows. The surface grav-
ity of a non-rotating black hole of mass M is

κ =
c4

4GM
, (1.2)

which is a red-shifted gravitational field strength calcu-
lated at the horizon. Using κ, one can write the param-
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eter b in the form

b =
1

4

eB

mκ
. (1.3)

For a relativistic particle of charge e and mass m moving
in a magnetic field B, the quantity eB is the value of the
Lorentz force acting on the particle, while mκ character-
izes the gravitational force. Relation (1.3) shows that the
dimensionless parameter b is proportional to the ratio of
the Lorentz force and the gravitational one.

There exists a variety of publications discussing differ-
ent aspects of magnetized black holes and charged parti-
cle motion in their vicinity (see, e.g., [11–25], along with
the texts [26, 27] and references therein).

One interesting observation is that the ISCO of a
charged particle near a magnetized black hole can be lo-
cated much closer to the horizon than ISCO of a neutral
particle (see, e.g., [16, 19]). In such a case, black holes
(under special conditions) can “work” as a powerful cos-
mic particle accelerators (see, e.g., [28]).

The present paper is devoted to a detailed investiga-
tion of the near-horizon orbits of charged particles in the
vicinity of magnetized black holes. Our starting point
is a Schwarzschild black hole placed in a homogeneous
magnetic field. Such a magnetic field, deformed by the
black hole’s gravity, can be described by the electromag-
netic vector potential, which is directly proportional to
the Killing vector generating rotations [29]. We focus on
particle motion in the equatorial plane. Circular orbits
of such a charged particle are fixed points of the reduced
Hamiltonian. For a particular direction of motion, the
Lorentz force acting on the particle is repulsive and the
particle trajectory may lie close to the horizon.

If the proper distance from the horizon l is much
smaller than the gravitational radius rg, the curvature ef-
fects and the orbit’s trajectory bending may be neglected.
Put simply, the idea of this paper is that, in such a case,
it is sufficient to perform calculations in flat spacetime
for the study of near-horizon trajectories. Namely, con-
sider a near-horizon 3-volume with proper length L� rg
in both the tangent and orthogonal to the horizon direc-
tions. The metric in this domain can be approximated
by the Rindler metric. We demonstrate that, by a proper
rescaling, one may also define a magnetic field which is
static in the Rindler coordinates and which generates the
required near-horizon trajectories. In this near-horizon
approximation, the Hamiltonian describing the charged
particle motion is greatly simplified.

Rindler spacetime is nothing but Minkowski spacetime
in specially chosen (Rindler) coordinates. We demon-
strate that in the near-horizon approximation, circular
orbits near magnetized black holes map onto so-called
“stationary orbits” in Minkowski spacetime. Such sta-
tionary curves are well studied and classified (see, e.g.,
[30]). Their characteristic property is that their Frenet
curvatures are constant. It should be emphasized that
the magnetic field which is static in the Rindler frame
is time dependent in the inertial Minkowski frame. This

field is invariant under Rindler boosts and translations
in the direction parallel to the horizon. The charged par-
ticle’s 4-velocity coincided (up to a normalization con-
stant) with a linear combination of these two vectors.

It is of particular interest that in spite of the fact that
we began with the Killing magnetic field in the black hole
geometry, the obtained magnetic field close to the hori-
zon and near the equatorial plane is in fact quite general
in the following sense: if the magnetic field respects the
imposed symmetry and is regular at the Rindler horizon,
it is either constant (in Minkowski time) and homoge-
neous, or it has the same leading asymptotic as the field
obtained in our procedure. This means that one may rea-
sonably expect that our conclusions regarding the prop-
erties of close to the horizon orbits may in fact be valid
for a more complicated and realistic structure of a regular
near-horizon magnetic field.

The paper is organized as follows. In sections II and
III, we re-derive the equations for circular orbits near
static magnetized black holes and discuss their proper-
ties. In section IV, we introduce the near-horizon ap-
proximation. In section V, we apply this approximation
in the of study near-horizon trajectories of charged par-
ticles. In section VI, the dynamical evolution of these
orbits induced by the emission of electromagnetic radi-
ation is studied. We also evaluate the lifetime of such
orbits. Section VII contains a brief summary along with
our discussion. In the appendix, we discuss the regu-
lar at the Rindler horizon magnetic fields respecting the
imposed symmetry properties.

In this paper, we use the sign conventions adopted in
[2] and the Gaussian system of units.

II. CHARGED PARTICLE MOTION NEAR
MAGNETIZED BLACK HOLES

A. Charged Particle Motion

We express the worldline of a particle in the form
xµ = xµ(λ), where λ is some parameter specifying the
position of the particle. To describe charged particle mo-
tion in curved spacetime and in the presence of an elec-
tromagnetic field, we begin with the following action1

S =

∫
dλL ,

L =
mc

2

[
η−1gµν

dxµ

dλ

dxν

dλ
− η
]

+
e

c
Aµ

dxµ

dλ
.

(2.1)

1 Let us note that in our notation, the Lagrangian L and Hamilto-
nian H have dimensions [ML/T ], which differs from the standard
dimension of the energy, [ML2/T 2]. This is because the action
S is defined as the integral over the proper length dλ rather than
the proper time dλ/c. Since in what follows we shall be working
with dimensionless quantities, this difference in definitions of L
and H is not important.
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We denote by m and e the mass and electric charge of
the particle, and by Aµ the 4D electromagnetic field po-
tential. The parameter η = η(λ) is a Lagrange multi-

plier which, under a change in parametrization λ→ λ̃(λ),
transforms as

ηdλ = η̃dλ̃ . (2.2)

The above relation ensures that the action S is
parametrization invariant. A variation of the action with
respect to η yields the following constraint equation

gµν
dxµ

dλ

dxν

dλ
+ η2 = 0 . (2.3)

After variations of the action (2.1), one can always set
η = 1. For this gauge,

gµνu
µuν = −1, uµ =

dxµ

dλ
. (2.4)

The corresponding parameter λ has dimensions of length,
and it coincides with the proper time multiplied by c.
From now on, we shall refer to it as the proper time
parameter and use this gauge.

Let us define the 4-momentum

pµ =
∂L

∂xµ,λ
= mcuµ +

e

c
Aµ . (2.5)

Then the Hamiltonian H = pµu
µ − L may be written in

the form

H =
1

2mc
(πµπ

µ +m2c2) , (2.6)

where πµ = pµ − e
cAµ. The constraint equation (2.4)

implies

πµπ
µ = −m2c2 , (2.7)

and the Hamiltonian equations of motion are

dxµ

dλ
=
∂H

∂pµ
,

dpµ
dλ

= − ∂H
∂xµ

. (2.8)

One may check that these equations correctly reproduce
the standard equations for particle motion in curved
spacetime and in the presence of an electromagnetic field

mc
Duµ

Dλ
=
e

c
Fµνuν , (2.9)

where Fµν = 2A[ν,µ] . We use the notation D/Dλ to
denote a covariant derivative along the particle worldline.

Let us note that the equations (2.8) are invariant under
the following scale trasformations

xµ → C1x
µ, λ→ C1λ ,

pµ → C2pµ, H → C2H ,
(2.10)

where C1 and C2 are constants.

B. Dimensionless Form of the Equations of Motion

It is more convenient to deal with equations written in
dimensionless form. The interval ds2 has dimension of
[length]2. We choose dxµ to have dimensions of length,
and the metric gµν to be dimensionless. We will introduce
a constant scale factor with dimensions of length and use
it to obtain dimensionless quantities. In what follows, we
shall discuss particle motion in the gravitational field of
a static, spherically symmetric black hole. In this case,
a natural scale is its gravitational radius

rg =
2GM

c2
. (2.11)

To distinguish the quantities before and after the rescal-
ing, we use a tilde. We thus have

dx̃µ = rgdx
µ, g̃µν = gµν ,

ds̃2 = g̃µνdx̃
µdx̃ν = r2gds

2 ,

ds2 = gµνdx
µdxν .

(2.12)

We write the worldline of a particle in the form x̃µ =
x̃µ(λ̃), where λ̃ is the “physical” (dimensional) proper-
time parameter. Its dimensionless form is given by λ =
λ̃/rg. For the particle’s velocity u, acceleration w and
“jerk” k, one has

ũµ =
dx̃µ

dλ̃
=
dxµ

dλ
= uµ ,

w̃µ =
Dũµ

Dλ̃
=

1

rg

Duµ

Dλ
=

1

rg
wµ ,

k̃µ =
Dw̃µ

Dλ̃
=

1

r2g

Dwµ

Dλ
=

1

r2g
kµ ,

(2.13)

and the equation of motion (2.9) may be written in the
form

wµ = fµ, fµ =
erg
mc2

F̃µνuµ . (2.14)

C. Motion Near Magnetized Black Holes

We write the dimensionless Schwarzschild metric in the
form

ds2 = −fdt2 +
dr2

f
+ r2dω2 ,

dω2 = dθ2 + sin2 θdφ2 ,

f = 1− 1/r ,

(2.15)

where r = r̃/rg is the dimensionless radius.
This metric has two commuting Killing vectors

ξ =
∂

∂t
, ζ =

∂

∂φ
(2.16)
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which generate time translations and rotation about the
symmetry axis, respectively. The Killing equations

ξ(µ;ν) = ζ(µ;ν) = 0 (2.17)

imply that

ξµ;µ = ζµ;µ = 0 . (2.18)

Since the spacetime is Ricci flat, its Killing vectors obey
the equations

ξµν;ν = ζµν;ν = 0 . (2.19)

Equations (2.18)–(2.19) reveal that the Killing vectors
ξ and ζ may be viewed as vector potentials of an elec-
tromagnetic field A in the Lorentz gauge satisfying the
source-free Maxwell equations. For ξ, one has a weakly
charged static black hole, while ζ is the potential for a
weakly magnetized black hole.

In what follows, we focus on the latter case and write
the corresponding vector potential A in the form

Aµ∂µ =
1

2
B∂φ . (2.20)

One may check that the corresponding magnetic field at
a distance far from the black hole is homogeneous and
directed along the axis of rotation θ = 0, π. For this
field, the equation of motion (2.9) may be written in the
following dimensionless form

wµ = fρ (2.21)

where

fµ = 2bζ[ν,µ]u
ν , b =

eBGM

mc4
. (2.22)

We denote

aµ = bζµ , (2.23)

so that one has fµ = 2a[ν,µ]u
ν . Since the Killing vectors

commute, one has Lξaµ = Lζaµ = 0. This demonstrates
that the magnetic field associated with the Killing vector
respects the spacetime symmetry.

As mentioned earlier, the magnetic field for the poten-
tial (2.20) is parallel to the axis of symmetry θ = 0, π
at far distances, and its value is constant and equal to
B. We note that in a more realistic astrophysical setup,
the structure of the magnetic field interacting with the
ionized plasma of the accretion disk can be more compli-
cated2.

2 In the appendix, it is shown that in the absence of a monopole
magnetic charge, a regular at the horizon magnetic field re-
specting the spacetime symmetry near the horizon and close to
the equatorial plane has the same leading form as the potential
(2.23). In this sense, using such a “toy model” is sufficient for
the study of the motion of charged particles near the horizon.

To obtain the dimensionless Hamiltonian, we use the
scaling transformations (2.10) and set

C1 = rg, C2 = mc . (2.24)

After these transformations, the dimensionless Hamilto-
nian for a charged particle moving in the equatorial plane
θ = π/2 in the magnetic field (2.20) takes the form

H =
1

2

[
− 1

f
p2t + fp2r +

1

r2
(pφ − br2)2 + 1

]
. (2.25)

One may check that the equations of motion for this
Hamiltonian are identical to (2.9). We write here only
one of equations of motion, which we shall use later

dφ

dλ
=

1

r2
(pφ − br2) . (2.26)

The constraint equation (2.7) gives H = 0.

III. CIRCULAR ORBITS IN THE EQUATORIAL
PLANE

A. The Reduced Hamiltonian

Since the Hamiltonian H does not depend on t or φ,
the momenta pt and pφ are integrals of motion. Thus,
one has

dpt
dλ

= −∂H
∂t

= 0,
dpφ
dλ

= −∂H
∂φ

= 0 . (3.1)

In other words, if a particle begins its motion with some
parameters pt and pφ, it will remain on the surface
pt=const and pφ=const in the phase space. We denote
these integrals of motion by pt = E and pφ = `, and
introduce a reduced Hamiltonian

H =
1

2
fp2r + Vr ,

Vr =
1

2

[
1

r2
(`− br2)2 + 1− E

2

f

]
.

(3.2)

The equations of motion become

dr

dλ
=
∂H
dpr

= fpr ,

dpr
dλ

= −∂H
dr

= −1

2
f ′p2r − V ′r ,

(3.3)

where a prime denotes a derivative with respect to r.
In what follows, we focus solely on circular orbits. In

the reduced 2D phase space (r, pr), they are represented
by fixed points of the Hamiltonian flux

∂H
∂r

=
∂H
∂pr

= 0 . (3.4)

The constraint equation H = 0 at the fixed point im-
plies Vr = 0. This equation defines the energy E . The
second equation in (3.3) gives V ′r = 0, an equation which
determines the radius r of a circular orbit for given values
of the integrals of motion.
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B. Stable and Innermost Stable Circular Orbits

Calculations give the following expressions for the sec-
ond derivatives of the Hamiltonian with respect to the
canonical coordinates r and pr at the fixed point

∂2H
∂p2r

= f,
∂2H
∂r∂pr

= 0,
∂2H
∂r2

= V ′′r . (3.5)

The condition of stability for a circular orbit reads V ′′r >
0. For V ′′r < 0, the orbits are unstable. The “critical
radius” where V ′′r = 0 determines the position of the
innermost stable circular orbit (ISCO).

One may express the equation Vr = 0 in the form

E2 = U , U = f

[
1 +

1

r2
(`− br2)2

]
, (3.6)

and the two equations V ′r = 0 and V ′′r = 0 then imply

U ′ = 0, U ′′ = 0 . (3.7)

The equation U ′ = 0 defines the radius of the particle’s
orbit for given values of ` and b, and the equation U ′′ =
0 determines the radius of the ISCO. These equations
written in explicit form are

2b2r5 − b2r4 − 2`br2 + r2 − 2`2r + 3`2 = 0 , (3.8)

b2r5 − r2 + 2`br2 + 3`2r − 6`2 = 0 . (3.9)

Using these equations, it is possible to show that for
a large parameter b, the ISCO for particles moving in
the direction with positive ` (corresponding a repulsive
Lorentz force) are close to the horizon. In the leading
order of 1/b, one has [19]

rISCO = 1 + 1√
3b
, (3.10)

`ISCO = b+
√

3 . (3.11)

C. Canonical Transformation

The kinetic part of the Hamiltonian (3.2) depends on
the coordinate r. It has the form

1

2

p2r
µ(r)

, (3.12)

where µ(r) = f−1 plays the role of mass and tends to
infinity at the horizon. It is possible to make a canonical
transformation which transforms the Hamiltonian to a
more familiar form. Such new canonical variables are

p =
√
fpr, ρ =

∫ r

1

dr√
f
. (3.13)

In these variables, the Hamiltonian takes the form

H =
1

2
p2 + Vρ, V(ρ) = Vr(r(ρ)) . (3.14)

We note that the new canonical coordinate ρ is nothing
but the dimensionless proper distance to the horizon.

IV. NEAR-HORIZON APPROXIMATION

A. Near-Horizon Geometry

Let us consider the motion of a charged particle close
to the horizon of a magnetized black hole with a large
parameter b. The physical proper distance l̃ of the ISCO
orbit (3.10) to the horizon is ∼ rg/

√
b. For sufficiently

large b, its dimensionless version l = l̃/rg, which char-
acterizes the bending of the orbit, is small. Near the
horizon, the curvature R is of the order of r−2g . Also in

the regime of large b, the quantity Rl2 ∼ 1/b character-
izing the role of the tidal forces is also small. This means
that for our problem, one may neglect the curvature and
use a flat-spacetime approximation. Let us discuss this
in more detail.

We rewrite the metric (2.16) in the form

ds2 = −fdt2 +
dr2

f
+

r2

cosh2 z
(dy2 + dz2) , (4.1)

where we have made the following change of coordinates

φ = y, sin θ =
1

cosh z
. (4.2)

The second relation implies that

dz

dθ
= − cosh z . (4.3)

A point p0 where y = z = 0 corresponds to a point
φ = 0 in the equatorial plane. At this point, ey = ∂y is a
unit vector in the direction of φ, while ez = ∂z is a unit
vector in the direction of decreasing polar angle. The
third unit 3-vector orthogonal to the vectors ey and ez
is er = f1/2∂r. Together, the vectors {ey, ez, er} form a
right-handed orthonormal tetrad at p0.

In the vicinity of p0 and close to the horizon, one has

r = 1 + q, 0 < q � 1, |y| � 1, |z| � 1 . (4.4)

In this approximation, one has

ds2 = −qdt2 +
dq2

q
+ dy2 + dz2 . (4.5)

One may check that this is indeed a metric of flat space-
time, where the Rindler horizon is defined by the equa-
tion q = 0. Let us now demonstrate how equations
(3.10)–(3.11) may be obtained in using this near-horizon
approximation.

B. Near-Horizon Orbits in the Equatorial Plane

We again consider the motion of a particle in the equa-
torial plane (where z = 0) and use a reduced 3D metric

ds2 = −qdt2 +
dq2

q
+ dy2 . (4.6)
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We also use the following near-horizon approximation for
the vector potential of the magnetic field (2.23)

aµ = b(1 + 2q)δyµ . (4.7)

Let us note that we fix the values of the parameter b,
which describes the strength of the magnetic field.

It is convenient to introduce new variables

q̂ = bq, p̂ = pr/b, Ê =
√
bE , ˆ̀= `− b , (4.8)

in which the Hamiltonian (3.2) takes the form

H =
b

2
q̂p̂2 +

1

2q̂

[
Û − Ê2

]
,

Û = q̂[(ˆ̀− 2q̂)2 + 1].

(4.9)

At the fixed point of the Hamiltonian, where p̂ = 0, the
constraint equation takes the form

Ê2 = Û . (4.10)

For a given ˆ̀, the coordinate q̂ is determined by the equa-
tion

dÛ
dq̂

= 0 , (4.11)

while for the innermost stable orbit, one has

d2Û
dq̂2

= 0 . (4.12)

Explicit forms of equations (4.11) and (4.12) are given by

12q̂2 − 8q̂ ˆ̀+ ˆ̀2 + 1 = 0 ,

ˆ̀= 3q̂ .
(4.13)

Let us emphasize that both the potential Û and the equa-

tions (4.13) written in the variables (q̂, ˆ̀) are invariant
under the rescaling of the magnetic field b, and in this
sense they are universal.

The first of these equations determines a coordinate
distance q = q̂/b of the trajectory of the charged parti-
cle from the horizon. One may also solve this equation

and find the corresponding integral of motion ˆ̀ for the
trajectory with a given value of q̂. One has

ˆ̀= 4q̂ ±
√

4q̂2 − 1 . (4.14)

The two branches of this solution for both ± signs are
plotted in Fig. 1, given by the curves γ±. These lines

meet at point “1”, where (q̂ = 1/2, ˆ̀ = 2). The line

γ0 is the separatice determined by the equation ˆ̀ = 3q̂.

It divides the (q̂, ˆ̀) plane into two parts. In the up-

per part of the plane (above γ0), d2Û/dq̂2 < 0, while

in the lower part of the plane (below γ0), d2Û/dq̂2 > 0.
The critical point “0” represents the innermost stable or-
bit. The separatice γ0 intersects γ− at point “0”, where

0.0 0.5 1.0 1.5 2.0
q

0

2

4

6

8

10

12

+

0

0
1

FIG. 1. The parameter ˆ̀ as a function of q̂ as defined by
equation (4.14). The lines γ± represent the two solutions with
the corresponding ± signs. These lines intersect at point “1”.
The straight line γ0 is the separatice ˆ̀= 3q̂. Above this line,
d2Û/dq̂2 < 0, while below it one has d2Û/dq̂2 > 0. Point “0”
represents the innermost stable orbit. The part of γ− to the
right of point “0” represents stable orbits.

(q̂ = 1/
√

3, ˆ̀ =
√

3). The portion of γ− to the right
of this point represents stable orbits. At this point, the
dimensionless radius r and the integral of motion ` are
given by

r = 1 +
1√
3b
, ` = b+

√
3 . (4.15)

These relations correctly reproduce (3.10) in the regime
of large b.

V. PARTICLE TRAJECTORIES

A. Magnetic Field Near the Rindler Horizon

Let us make the following change of variables

t = 2τ, q =
1

4
ρ2 . (5.1)

In these coordinates, the metric (4.5) takes the form

ds2 = −ρ2dτ2 + dρ2 + dy2 + dz2 , (5.2)

which is nothing but the standard Rindler form of a
flat metric. A schematic outlining the variables used in
the near-horizon approximation is shown in Fig. 2. If
(T,X, Y, Z) are Minkowski coordinates, then one has

T = ρ sinh(τ), X = ρ cosh(τ), Y = y, Z = z . (5.3)

The 4-velocity of an observer at rest at ρ in the Rindler
frame is

uµ0 =
1

ρ
δµρ . (5.4)
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FIG. 2. The near-horizon approximation. The 2D (y, z)-
plane is tangent to a unit sphere representing the event hori-
zon of the black hole. The ρ-axis is orthogonal to the (y, z)-
coordinate plane. In the adopted near-horizon approximation,
the coordinate ρ may be understood as the proper distance
from the horizon.

The parameter τ is simply the dimensionless proper time
as measured by an observer at rest at ρ = 1.

The dimensionless vector potential associated with the
Killing vector ζ written in (τ, r, y, z) coordinates is

aµ = ayδ
y
µ, ay = b

r2

(cosh z)2
. (5.5)

Near the equatorial plane and close to horizon, where
ρ, y � 1, the leading term of the expansion of ay is of
the form

ay = b+
b

2
(ρ2 − 2z2) . (5.6)

The non-vanishing components of the field strength
Fµν = 2a[ν,µ] for the potential (5.6) are

Fρy = bρ, Fzy = −2bz . (5.7)

Let us note that these expressions were obtained in us-
ing the Killing ansatz (2.20) for the magnetic field. In
the appendix we demonstrate that, in the absence of a
magnetic monopole contribution, expressions (5.6) and
(5.7) are nothing but the leading asymptotics for any
regular static and y−independent magnetic field in the
near-horizon approximation.

On the plane at z = 0, one has Fzy = 0. The magnetic
field vector in the frame of an observer at rest in the
Rindler frame is

Bα = −1

2
eαβµνu

β
0F

µν , (5.8)

where uµ0 is the 4-velocity of the observer (5.4) and eαβµν
is the antisymmetric tensor, e0123 = ρ. The only non-
vanishing component of Bµ is

Bz = bρ . (5.9)

B. Stationary Worldlines

In Minkowski spacetime, there exists a special class of
worldlines which are called stationary [30]. Their charac-
teristic property is that the geodetic interval between any
of its two points depends only on the proper time inter-
val. The stationary curves in Minkowski spacetime were
described and classified by Letaw [30]. He demonstrated
that the stationary worldlines are solutions of the Frenet
equations when the curvature invariants are constant. In
this subsection, we demonstrate that the worldline of a
charged particle moving in the magnetic field (5.9) is a
stationary curve.

For this purpose, let us consider a particle moving in
z = 0 plane and write its worldline Xµ = Xµ(λ) in
Minkowski coordinates

Xµ = (ρ0 sinh(σλ), ρ0 cosh(σλ), V λ, 0) . (5.10)

As earlier λ, is the dimensionless proper time parameter
along the trajectory. The particle’s 4-velocity is then

uµ =
dXµ

dλ
= (ρ0σ cosh(σλ), ρ0σ sinh(σλ), V, 0) . (5.11)

The normalization condition u2 = −1 implies

σ =

√
1 + V 2

ρ0
. (5.12)

The curve (5.10) is uniquely defined by two independent
parameters: ρ0 and V . One may check that the curve
in the (X − Y )-plane representing the trajectory of this
particle is a catenary

X = (1 + V 2) cosh

(
ρ0Y

V
√

1 + V 2

)
. (5.13)

One may also easily find the four-acceleration wµ =
duµ/dλ and the “jerk” kµ = dwµ/dλ

wµ = ρ0σ
2(sinh(σλ), cosh(σλ), 0, 0) ,

kµ = ρ0σ
3(cosh(σλ), sinh(σλ), 0, 0) ,

(5.14)

which obey the relations

wµwµ =
(1 + V 2)2

ρ20
, kµkµ = − (1 + V 2)3

ρ40
. (5.15)

Let us note that both of these invariants are constant.
This implies that the Frenet coefficients calculated for
these curves are constant as well, as they should be in
the stationary case.

The Rindler coordinates (τ, ρ, y, z) are related to the
Minkowski coordinates (T,X, Y, Z) as follows

ρ =
√
X2 − T 2, tanh τ =

T

X
. (5.16)
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These relations give

∂τ

∂T
=
X

ρ2
,

∂τ

∂X
= − T

ρ2
,

∂ρ

∂T
= −T

ρ
,

∂ρ

∂X
=
X

ρ
.

(5.17)

Using the relations

uτ =
∂τ

∂Xµ
uµ, uρ =

∂ρ

∂Xµ
uµ, (5.18)

one may find uµ in Rindler coordinates. One has

uµ = (σ, 0, V, 0) . (5.19)

This relation shows that dτ/dλ = σ.
Let us summarize. The particle with the worldline

(5.10) in Minkowski coordinates remains at a constant
distance ρ = ρ0 to the Rindler horizon. For an observer
at rest at this distance, the proper time τ0 is related to τ
via τ0 = ρ0τ . A velocity v = dy/dτ0 as measured by this
observer is

v =
V√

1 + V 2
. (5.20)

The inverse relation determines V as a function of the
3-velocity v

V =
v√

1− v2
. (5.21)

In a similar way, one finds the components of the vec-
tors w and k in the Rindler frame

wµ = (0, ρ0σ
2, 0, 0) ,

kµ = (σ3, 0, 0, 0) .
(5.22)

The dimensionless Lorentz force (2.22) acting on the
charged particle is

fµ = bV ρδµρ . (5.23)

If the velocity V is directed along the y axis (such that
V is positive), the Lorentz force is directed along the ρ
axis, i.e., away from the horizon located at ρ = 0. For
motion with a fixed value ρ = ρ0, this repulsive force
compensates the “fictitious” attractive gravity force to
the horizon in the Rindler space. This condition reads

wµ = fµ . (5.24)

Substituting the expression for the 4-acceleration wµ

(5.22) into (5.24), one finds

σ2 = bV . (5.25)

Using the expression (5.12), one obtains

bρ20 =
1 + V 2

V
. (5.26)

For a given value of b, this is the relation between the
position of the trajectory ρ0 and the velocity V of the
particle. We have thus shown that a stationary worldline
given by (5.10) obeying (5.25) does indeed coincide with
the trajectory of a charged particle. In the classification
of Letaw [30], such stationary curves belong to class (v).

Let us now show that (5.26) does in fact reproduce a
solution of the first equation in (4.13). Equation (2.26)
allows one to write

q̂ = V + 2ˆ̀, (5.27)

where q̂ = bρ20/4. Substituting this expression into (4.13)
and solving the obtained equation, one finds

q̂ =
1 + V 2

4V
. (5.28)

This equation is equivalent to (5.26). This means that
the orbits which were found by solving the dynamical
equations of motion correctly reproduce the results ob-
tained by means of equation (4.13).

Relation (5.28) shows that dq̂/dV > 0 for V > 1, where
q̂ > 1/2. This means that when q̂ decreases (and a point
representing the state of the system moves to the left
along the lower branch of γ−), the velocity V decreases
as well. This behavior continues until the critical point
q̂ = 1/

√
3 > 1/2, at which point the system becomes

unstable. At the critical point corresponding to the in-
nermost stable orbit, one has

V = Vcr =
1√
3
, vcr =

1

2
, ρcr =

2

31/4
√
b
. (5.29)

C. Metric in a Co-Moving Frame

The equation of motion of the particle in the Rindler
frame (5.2) frame is given by

ρ = ρ0, y = V λ =
ρ0V√
1 + V 2

τ . (5.30)

To obtain the metric in a frame co-moving with the parti-
cle, it is sufficient to make the following coordinate trans-
formation (shifting to a reference frame with velocity V
in the y−direction)

y =
ρ0V√
1 + V 2

τ + ȳ . (5.31)

In the coordinates (τ, ρ, ȳ, z), the metric is

ds2 = −
(
ρ2 − ρ20

V 2

1 + V 2

)
dτ2 +

2ρ0V√
1 + V 2

dτdȳ

+ dρ2 + dȳ2 + dz2 .

We again emphasize that the coordinate τ in this expres-
sion is the proper time for an observer at rest at ρ = 1
in the Rindler frame.
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For a charged particle moving in a magnetic field, the
parameters ρ0 and V are not independent. Using the
relation (5.26), one can express (5.31) as follows

y =

√
V

b
+ ȳ , (5.32)

and the metric (5.32) in the co-moving frame takes the
form

ds2 = −(ρ2 − V

b
)dτ2 + 2

√
V

b
dτdρ

+ dρ2 + dȳ2 + dz2 .

We note that this metric, associated with the moving
particle, is stationary and does not depend on τ . This
is a direct consequence of the fact that its worldline is
stationary.

D. Orbital Oscillations

So far, we have focused mainly on stationary orbits
with fixed values of ρ = ρ0. Let us briefly discuss small
perturbations of these orbits in the radial direction. For
this purpose, we use the Hamiltonian (3.14). In the near-
horizon approximation, it takes the form

H =
1

2
p2 + Vρ ,

Vρ =
1

2

[
(ˆ̀− 1

2
bρ2)2 + 1− 4E2

ρ2

]
.

(5.33)

Denote by ρ0 the proper distance of the unperturbed or-
bit. Then expanding the potential Vρ near this point,
one has

H =
1

2
p2 +

ω2

2
(ρ− ρ0)2 ,

ω2 = b

[
2
√
b2ρ40 − 4− bρ20

]
.

(5.34)

This expression demonstrates that a radial perturbation
of the orbit results in small oscillations around ρ = ρ0.
For a stable orbit, the frequency ω is real, and it vanishes
at the critical innermost stable orbit. For ρ0 < ρcr, ω is
imaginary, as expected for unstable orbits.

VI. RADIATION FRICTION

A. Electromagnetic Radiation of a Charged
Particle

An accelerated charged particle radiates electromag-
netic waves, which reduces its total energy and momen-
tum. As a result, its motion is modified via an effect
called “radiation damping”. We assume that this effect
is small, and evaluate how it affects the particle’s motion

near the horizon. For this purpose, we use the approach
developed in the previous sections. An approximation of
the radiation force when the effect is small is given by
[31]

g̃µ =
2e2

3c

(
k̃µ + ũµũν k̃ν

)
. (6.1)

In the presence of radiation, the force g̃µ should be added
to the right-hand side of the equation of motion of the
charged particle (2.9). After making a transformation to
dimensionless quantities, this equation takes the form

wµ = fµ + fµR , (6.2)

Here, fµ is the dimensionless Lorentz force given by
(5.23) and fµR is a radiation-friction force

fµR =
ε

b
gµ, gµ = kµ + uµuνkν , (6.3)

where ε is a new dimensionless parameter

ε =
e3B

3m2c4
. (6.4)

In what follows, we assume that ε is small.
In order to study how the emitted radiation changes

the distance ρ of the charged particle from the Rindler
horizon, we consider the radiation force fµR as a pertur-
bation. As such, we keep only terms up to first order in
ε in the equations of motion. Since this force is already
of order ε, it is sufficient to substitute the unperturbed
values of kµ and uµ into the expression for gµ. Using the
expression (5.22) for kµ and (5.19) for uµ in (τ, ρ, y, z)
coordinates, one obtains the following expression for fµR

fµR =
ε

b
(−V

2(V 2 + 1)3/2

ρ3
, 0,−V (V 2 + 1)2

ρ2
, 0) . (6.5)

One can see that the ρ and z components of this force
vanish, while the other components, gτ and gy, are neg-
ative. This implies that as a result of the action of this
force, the integrals of unperturbed motion−the energy
and the y-momentum−slowly decrease.

B. Evolution of the Orbit

Let us now discuss how the the electromagnetic radia-
tion of the charged particle affects the orbit of a charged
particle moving near the horizon. For a given magnetic
field b and in the absence of radiation, the distance ρ of
the particle from the horizon is a function of its velocity.
If the radiation is weak, the parameter ρ as well as the
velocity V slowly change in time. We choose the velocity
V as a parameter describing the state of the system, and
assume that ρ is determined by it, i.e., that ρ = ρ(V ).
We also write

dV

dλ
= εf(V ) , (6.6)
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where f(V ) is a function which characterizes the rate of
change of the velocity due to the radiation. One has

dρ

dλ
= εf

dρ

dV
. (6.7)

The 4-velocity of the particle moving along a worldline
with a slowly changing velocity V is

uµ = (α, εf
dρ

dV
, V, 0) , (6.8)

and the standard normalization condition u2 = −1 de-
termines the parameter α

α =
1

ρ

√
1 + V 2 . (6.9)

Here and later we neglect quantities of the second and
higher order in ε.

Calculations give the 4-acceleration of the particle wµ

in Rindler coordinates

wµ = (wτ , α2ρ, εf, 0) ,

wτ =
εf

ρ2
√

1 + V 2

[
V ρ+ (1 + V 2)

dρ

dV

]
.

(6.10)

One may check that uµw
µ = 0 as required. One also finds

the following expression for the dimensionless Lorentz
force fµ

fµ = (0, bρV,−εbρf(dρ/dV ), 0) , (6.11)

while the friction force fµR is given by (6.5).
Let

Jµ = wµ − fµ − fµR , (6.12)

then the equations of motion read Jµ = 0. The equation
Jρ = 0 implies

bρ2 =
1 + V 2

V
. (6.13)

This relation is identical to the relation (5.26). This
means that, at least in the leading order, the relation
between ρ and V remains the same as in the absence of
radiation. The equation Jy = 0 gives

f = − V (1 + V 2)2

bρ2[1 + bρ(dρ/dV )]
. (6.14)

Substituting the expression for ρ which follows from
(6.13), one obtains

f = −2V 4(1 + V 2)

3V 2 − 1
. (6.15)

The equation Jz = 0 is trivially satisfied. One can also
check that the last equation, Jτ = 0, is valid as a result
of the relations (6.13) and (6.15).

A solution of equation (6.6) for V (λ) can be written in
the following parametric form∫

dV

f
= ελ. (6.16)

Performing the integration, one gets∫
dV

f
= T (V ) ,

T (V ) = 2 arctan(V )− 1

6V 3
+

2

V
.

(6.17)

We define

Tc = T (Vc = 1/
√

3) =
π

3
+

3
√

3

2
, (6.18)

and denote

T = T (V ) = Tc − T (V ) . (6.19)

A plot of the function T (V ) is shown in Fig. 3. The
quantity T/ε is the dimensionless proper time parameter
λ required for a particle with initial velocity V to reach
the innermost sable orbit.

0.0 0.5 1.0 1.5 2.0 2.5 3.0
V

0.0

0.1

0.2

0.3

0.4

0.5

T

V = Vcr

FIG. 3. The function T = T (V ).

Suppose a charged particle is initially in an orbit with
a given parameter ρ. Its velocity is then

V =
1

2

[
bρ2 −

√
b2ρ4 − 4

]
. (6.20)

If one substitutes this expression into (6.19), one obtains
the lifetime of the charged particle moving near the hori-
zon as a function of its initial position. This function is
shown in Fig. 4.

C. Motion at a Fixed Distance to the Horizon

As we saw in the previous section, a change in the ve-
locity V leads to a change in the distance parameter ρ.
Let us now briefly consider a different problem. Namely,
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FIG. 4. The lifetime T as a function of ρ/ρcr = 31/4
√
bρ/2.

we assume that instead of a magnetic field supporting
the particle, there exists some other force which is inde-
pendent of the particle velocity V yet fixes the distance
of the particle to the horizon, ρ = ρ0. One then has (cf.
[32])

dV

dλ
= − 2e2

3mc2rgρ20
V (1 + V 2)2 . (6.21)

Using the physical proper time parameter λ̃ = rgλ and
dimensional proper distance to the horizon l = rgρ0, one
may write this relation in the form

dV

dλ̃
= −γV (1 + V 2)2, γ =

2e2

3mc2l2
. (6.22)

This equation can be easily integrated and its solution
may be written in the following parametric form

γλ̃ = F , F = − lnV +
1

2
ln(1 + V 2)− 1

2(1 + V 2)
.

(6.23)
Using this relation, one can determine how the velocity
V changes with the proper time parameter. The curve
in Fig. 5 shows the dependence of the velocity V on the
parameter γλ̃.

The function F(S) is monotonically decreasing. Its

asymptotics, V =∞ at λ̃ = 0 and V = 0 at λ̃ =∞, can
be easily obtained from (6.23). For small V0, one has

V = V0 exp(−γλ̃) . (6.24)

Thus for a small initial velocity V0, the velocity V decays
exponentially with a characteristic time of decay given
by γ−1.

VII. DISCUSSION

In this paper, we have discussed the motion of charged
particles near magnetized, non-rotating black holes. In

0.00 0.25 0.50 0.75 1.00 1.25 1.50 1.75
10 1

100

101

V

FIG. 5. The velocity V as a function of γλ̃ for particle motion
at a fixed ρ = ρ0.

particular, we have studied particles moving in the equa-
torial plane orthogonal to the magnetic field. We’ve fo-
cused on orbits with a direction of motion corresponding
to an outwardly directed Lorentz force from the black
hole horizon. When the magnetic field parameter b is
large, such circular orbits are located close to the grav-
itational radius rg = 2GM/c2. In this regime curvature
and trajectory bending effects can be neglected and one
can use the near-horizon approximation.

We considered a near-horizon spatial domain which ex-
tends from the horizon up to the proper distance L� rg,
and assumed that its length in the directions parallel to
the horizon also have size L. In this domain, it is shown
that one can approximate the exact Schwarzschild ge-
ometry by the Rindler metric. This defines a map from
the near-horizon geometry to a corresponding Minkowski
spacetime. We demonstrated that it is possible to ac-
company this map with a proper rescaling of the elec-
tromagnetic field, such that the near-horizon trajecto-
ries of the charged particles map to stationary curves.
These timelike curves in Minkowski spacetime have re-
markable properties. The interval of a straight line con-
necting any two points on such a worldline depends only
on the proper time interval between these points. Sta-
tionary curves are integral lines for a linear combination
of the boost and rotation Killing vectors, and their Frenet
curvatures are constant [30]. In the near-horizon approxi-
mation, the Hamiltonian of the charged particle is greatly
simplified.

As our model, we used a black hole immersed into a
homogeneous at infinity magnetic field. However, for the
description of the near-horizon motion of charged parti-
cles, only its near-horizon asymptotic is important. In
fact, as it is shown in the appendix, this near-horizon
field is a general asymptotic of any regular at the hori-
zon magnetic field respecting the imposed symmetries.

Using the adopted near-horizon approximation, we
solved the equations describing the slow evolution of a
circular orbit of the charged particle induced by its elec-
tromagnetic radiation (see also [22]). As a result of the
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radiation emitted by the particle, it loses both its angu-
lar momentum and energy, and the radius of the orbit
decreases until the particle reaches the innermost stable
orbit and falls into the horizon. We calculated the corre-
sponding lifetime for this process. Such a friction effect
on a particle moving near the horizon of a black hole
and parallel to its surface has a natural explanation in
the framework of the membrane paradigm [32, 33]. The
motion of the particle creates an electric current on the
stretched horizon, and its Ohm’s power dissipation is re-
sponsible for the friction force acting on the particle. It
is quite interesting that a similar effect is known to occur
in “standard” electrodynamics in flat spacetime. Namely,
when a charged particle moves parallel to the surface of a
conducting material at some given distance, there exists
a force which decreases its velocity [34].

The proper distance of the innermost stable orbit to
the horizon depends on the mass of the charged particle.
Denote by ρe and ρp the corresponding distances for the
electron and proton then

ρp − ρe = (
√
mp/me − 1)ρe ≈ 42ρe . (7.1)

This implies that for a two component neutral gas of
weakly interacting protons and electrons there may exist
a net electric charge associated with an excess of electrons
located in the ring of the equatorial plane between ρp
and ρe. If one ejects such a neutral gas at some distance
from the horizon, the times required for the protons and
electrons within it to reach the innermost stable orbit are
different. For steady accretion of the neutral plasma into
the black hole, this may result in the black hole becoming
charged.

For a non-rotating black hole with large b, close to
the horizon orbits are “supported” by the magnetic field.
For rapidly rotating black holes, such orbits also exist
as a result of the interaction of black hole spin with the
particle angular momentum. It would be interesting to
extend the near-horizon approximation developed in this
paper to the study the near-horizon circular orbits in
Kerr geometry.
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Appendix A: Electromagnetic Field Near the
Rindler Horizon

In this appendix, we discuss properties of the electro-
magnetic field near the Rindler horizon. We write the

Rindler metric in the form

ds2 = −ρ2dτ2 + dρ2 + dy2 + dz2 . (A1)

The relations between the Rindler coordinates (τ, ρ, y, z)
and the Minkowski coordinates (T,X, Y, Z) are given in
(5.16). Relations (5.17) give the partial derivatives of the
Rindler coordinates τ and ρ with respect to T and X.

We define two Killing vectors

ξµ∂µ = ∂τ , ζµ∂µ = ∂y , (A2)

and consider the electromagnetic field Aµ which respects
these symmetries

LξAµ = LζAµ = 0 . (A3)

Here, Lξ is the Lie derivative along a vector field ξ. Re-
lations (A3) imply that

Aµ = Aµ(ρ, z) . (A4)

We impose the Lorenz gauge condition Aµ;µ = 0, which
for the potential (A4) in Rindler coordinates takes the
form

1

ρ
∂ρ(ρAρ) + ∂zAz = 0 . (A5)

Let us denote

Fµν = ∂µAν − ∂νAµ ,

Jµ = Fµν;ν ≡
1√
−g

∂ν
(√
−gFµν

)
.

(A6)

Then the source-free Maxwell equations Jρ = Jz = 0 for
the field (A4) are

∂zFρz = ∂ρ(ρFρz) = 0 . (A7)

A solution of these equations is

Fρz =
C

ρ
. (A8)

The other two Maxwell equations, Jτ = Jy = 0, take the
following form

ρ∂ρ

(
1

ρ
∂ρAτ

)
+ ∂2zAτ = 0 ,

∂2ρAy +
1

ρ
∂ρAy + ∂2zAy = 0 .

(A9)

Both of these equations allow a separation of variables
and their general solutions are

Aτ (ρ, z) =

∫ ∞
−∞

dωeiωzÃτ (ρ|ω) ,

Ãτ (ρ|ω) = ρ
[
C1
τ (ω)J1(ωρ) + C2

τ (ω)K1(ωρ)
]
,

Ay(ρ, z) =

∫ ∞
−∞

dωeiωzÃy(ρ|ω) ,

Ãy(ρ|ω) = C1
y(ω)J0(ωρ) + C2

y(ω)K0(ωρ) .

(A10)
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Here, Jn(x) and Kn(x) are Bessel functions of the first
and second kind, respectively.

Near the Rindler horizon, i.e., for small ρ� 1, one has

J0(ωρ) ∼ 1− 1

4
ω2ρ2, J0(ωρ) ∼ 1

2
ωρ ,

K0(ωρ) ∼ − ln(ωρ), K1(ωρ) ∼ 1

ωρ
.

(A11)

The electromagnetic field is regular at the Rindler hori-
zon if its components are finite and smooth functions of
(T,X, Y, Z) coordinates. For the field (A8), one has

FTZ = −T
ρ
Fρz = −CT

ρ2
, FXZ =

CX

ρ
Fρz =

CX

ρ2
.

(A12)
Hence for a regular at the Rindler horizon solution (A8),
one should put C = 0 (such that Fρz = 0).

For regularity of the field at the Rindler horizon, it
is sufficient that the components of its vector potential
AT , AX , AY and AZ are finite and smooth functions
of (T,X, Y, Z). Using (A11), one can see that for the
solution Ay given by (A10), one must put C2

y(ω) = 0.
Using (5.17), one can also find the component Aτ of the
vector potential in Cartesian (T,X) coordinates

AT =
X

ρ2
Aτ , AX = − T

ρ2
Aτ , (A13)

and for a regular field one should put C2
τ (ω) = 0 in (A10).

In the near-horizon approximation, we choose the co-
ordinate z such that z = 0 corresponds to the equatorial
plane. One may use relations (A10) to find the expres-
sion for the regular electromagnetic field in the domain
near the horizon and close to the equatorial plane, where
ρ� 1 and z � 1.

However, for Ay this can be done directly. Let us de-
note

Pk = Pk(ρ, z) ≡
k∑

n=0

n∑
i=0

Ci,n−iρ
izn−i , (A14)

and write the leading asymptotic of a regular near the
horizon function Ay in the form Ay = P2(ρ, z). Substi-
tuting this expression in the Maxwell equation Jy = 0,
one finds

C10 = C11 = 0, C02 = −2C20 . (A15)

Thus a regular at the horizon field Ay has the form

Ay =
1

2
b(ρ2 − 2z2) + b1z =

1

2
b(X2 − T 2 − 2Z2) + b1Z .

(A16)
Here, we have set Cy22 = 1

2b and C10 = b1. We have
also set C00 = 0 since this constant does not enter the
expression for the field strength. The final expression
in (A16) clearly shows that Ay is regular at the Rindler
horizon. The field Fµν for this potential has the following
components

Fρy = bρ, Fzy = −2bz + b1 . (A17)

The electric field in the Rindler frame for the potential
Ay,

Eµ = Fµνuν ≡ −ρ2Fµτ , (A18)

vanishes, while the magnetic field

Bµ =
1

2
eµναβuνFαβ , (A19)

has the following non-vanishing components

Bρ = −2bz + b1, Bz = bρ . (A20)

For b = 0, this magnetic field is orthogonal to the hori-
zon. Such a field in the near-horizon region of the black
hole exists if the black hole has a non-vanishing magnetic
monopole charge. In the absence of the monopole charge,
i.e., when b1 = 0, the leading term of the near-horizon
magnetic field has a universal form which contains only
one constant, b. In the case of a black hole immersed in a
homogeneous at infinity magnetic field, b coincides with
its value at infinity.

A similar analysis can be done for the Aτ component
of the potential, which is responsible to the electric field.
We write it in the form

Aτ = ρ2A(ρ, z) . (A21)

The electromagnetic field for this potential is regular at
the horizon when A is regular function of the Minkowski
coordinates. The equation Jτ = 0 implies that this func-
tion satisfies the equation

∂2ρA(ρ, z) +
3

ρ
∂ρA(ρ, z) + ∂2zA(ρ, z) = 0 . (A22)

We again use an asymptotic form of A, namely A =
P2(ρ, z), near the z = 0 plane in the vicinity of the hori-
zon. Then equation (A22) imposes the following condi-
tions on the Ci,2−i

C10 = C11 = 0, C02 = −4C20 . (A23)

Thus

Aτ = ρ2
[
C00 + C01z + C20

(
ρ2 − 4z2

)]
, (A24)

which is clearly regular with respect to Cartesian coordi-
nates.

The resulting nonzero components of the field tensor
are

Fρτ = 2ρ

[
C00 + C01z + C20

(
2ρ2 − 4z2

)]
,

Fzτ = ρ2
[
C01 − 8C20z

]
.

(A25)

Using relations (5.17), one can show that

∂τ

∂T

∂ρ

∂X
− ∂τ

∂X

∂ρ

∂T
=

1

ρ
. (A26)
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Thus one has

FTX =
1

ρ
Fτρ , (A27)

and the leading term in the expression for Fρτ in (A25)
with coefficient C00 = E/2 describes a constant electric

field ~E in flat spacetime directed along the X-axis.

[1] V L Ginzburg and L M Ozernoi, “On gravitational col-
lapse of magnetic stars,” Zh. Eksperim. i Teor. Fiz. .

[2] C. W. Misner, K. S. Thorne, and J. A. Wheeler, Gravi-
tation (W. H. Freeman, San Francisco, 1973).

[3] R. D. Blandford and R. L. Znajek, “Electromagnetic ex-
tractions of energy from Kerr black holes,” Mon. Not.
Roy. Astron. Soc. 179, 433–456 (1977).

[4] Jonathan C. McKinney, “Total and Jet Blandford-Znajek
Power in the Presence of an Accretion Disk,” Astrophys-
ical Journal Letters 630, L5–L8 (2005).

[5] R. P. Eatough et al., “A strong magnetic field around
the supermassive black hole at the centre of the Galaxy,”
Nature 501, 391–394 (2013).

[6] Bertram M. Schwarzschild, “A pulsar reveals a strong
magnetic field near our galaxy’s center,” Physics Today
66, 12–14 (2013).

[7] K.S. Thorne and R.D. Blandford, Modern Classical
Physics: Optics, Fluids, Plasmas, Elasticity, Relativ-
ity, and Statistical Physics (Princeton University Press,
2017).

[8] The Event Horizon Telescope Collaboration, “First m87
event horizon telescope results. viii. magnetic field struc-
ture near the event horizon,” Astrophysical Journal Let-
ters 910, L13 (2021).

[9] M. Yu. Piotrovich, N. A. Silant’ev, Yu. N. Gnedin, and
T. M. Natsvlishvili, “Magnetic fields of black holes and
the variability plane,” (2010), arXiv:1002.4948 [astro-
ph.CO].

[10] M. Yu. Piotrovich, Yu. N. Gnedin, N. A. Silant’ev, T. M.
Natsvlishvili, and S. D. Buliga, “Magnetic field and ra-
dius of the innermost stable circular orbit near super-
massive black holes in active galactic nuclei,” Astron.
Nachr. 336, 1013–1016 (2015).

[11] A. R. Prasanna and C. V. Vishveshwara, “Charged Par-
ticle Motion in an Electromagnetic Field on Kerr Back-
ground Geometry,” Pramana 11, 359–377 (1978).

[12] D. V. Galtsov and V. I. Petukhov, “Black Hole in an
External Magnetic Field,” Zh. Eksp. Teor. Fiz. 74, 801–
818 (1978).

[13] A. A Sokolov, D. V. Galtsov, and V. I. Petukhov, “Ra-
diation of Relativistic Particles Moving Near the Black
Hole in the External Magnetic Field,” Izv. Vuz. Fiz. 1978
12, 102–105 (1978).

[14] A. A Sokolov, D. V. Galtsov, and V. I. Petukhov, “Ra-
diation Emitted by Relativistic Particles Moving in the
Vicinity of the Schwarzschild Black Hole, Immersed in an
External Magnetic Field,” Phys. Lett. A 68, 1–2 (1978).

[15] A. N. Aliev and D. V. Galtsov, “Magnetized Black
Holes,” Sov. Phys. Usp. 32, 75 (1989).

[16] A. N. Aliev and N. Ozdemir, “Motion of charged particles
around a rotating black hole in a magnetic field,” Mon.

Not. Roy. Astron. Soc. 336, 241–248 (2002).
[17] S. S. Komissarov, “Electrodynamics of black hole magne-

tospheres,” Monthly Notices of the Royal Astronomical
Society 350, 427–448 (2004).
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An impressive feature of loop quantum gravity (LQG) is that it can elegantly resolve both the
big bang and black hole singularities. By using the Newman-Janis algorithm, a regular and effective
rotating self-dual black hole(SDBH) metric could be constructed, which alters the Kerr geometry
with a polymeric function P from the quantum effects of LQG geometry. In this paper, we investigate
its impact on the frequency characteristics of the X-ray quasi-periodic oscillations(QPOs) from 5
X-ray binaries and contrast it with the existing results of the orbital, periastron precession and nodal
precession frequencies within the relativistic precession model. We apply a Monte Carlo Markov
Chain (MCMC) simulation to examine the possible LQG effects on the X-ray QPOs. We found that
the best constraint result for the rotating self-dual geometry from LQG came from the QPOs of
X-ray binary GRO J1655-40, which establish an upper bound on the polymeric function P less than
8.6 × 10−4 at 95% confidence level. This bound leads to a restriction on the polymeric parameter δ
of LQG to be 0.24.

I. INTRODUCTION

The prevailing theory of gravity, known as general rel-
ativity (GR), has many remarkable successes but also
some problems. For example, GR does not include any
quantum aspects and it is incompatible with quantum
mechanics [1–3]. GR also leads to singularities where the
known laws of physics do not apply, such as at the origin
of the universe [4, 5] and inside black holes [6]. To over-
come these issues, various modified or quantum gravity
theories have been suggested as possible replacements or
extensions to GR. Therefore, it is crucial to test these
theories beyond GR and determine the final theory of
gravity.

Loop quantum gravity (LQG) provides an elegant res-
olution of the classical big bang and black hole singular-
ities. A regular static spacetime metric, called the self-
dual spacetime, has been obtained in the mini-superspace
approach based on the polymerization procedure in LQG
[7]. This spacetime has no curvature singularity and its
regularity is determined by two parameters arising from
LQG: the minimal area and the Barbero-Immirzi param-
eter. Furthermore, this spacetime exhibits a T-duality
symmetry, which inspires its name as the self-dual space-
time [8, 9]. Black holes in LQG have received a lot of
interest in recent years, see e.g. [10–14] and references
therein. For more details, we direct the reader to the
review articles [15–19].

One may naturally wonder if the LQG effects on the
self-dual spacetime can produce any observable features
that can be verified or limited by present or future ex-
periments and observations. This question has motivated
a multitude of studies in the past decades from various

∗ liuc09@sjtu.edu.cn
† hgxu@sjtu.edu.cn; Corresponding author

viewpoints [9, 20–31]. In particular, in [30], the LQG
effects on the shadow of a spinning black hole were ex-
amined in detail and their observational consequences
were contrasted with the latest Event Horizon Telescope
(EHT) observation of the supermassive black hole M87*.
The gravitational lensing in the self-dual spacetime has
also been investigated and the polymeric function from
LQG has been constrained by using the Geodetic Very-
Long-Baseline Interferometry Data of the solar gravita-
tional deflection of radio waves [9]. Recently, the solar
system test and S2 near Sgr A* orbital Celestial me-
chanics test of the self-dual spacetime has been carried
out [31, 32], from which the observational bounds on the
polymeric function P of LQG are obtained as well. It is
worth noting that the phenomenological study of other
kinds of loop quantum black holes has also been exten-
sively explored, see [33–37] and references therein.

On the other hand, high-precision X-ray timing obser-
vations of black hole X-ray binaries provide us with an ex-
cellent opportunity to test the nature of gravity in strong
gravitational fields and to gain a deeper understanding of
the geometric structure of black hole spacetime [38, 39].
X-ray binary systems (XRBs) are composed of a black
hole (BH) or a neutron star (NS) that attracts mate-
rial from a stellar companion. Near the compact central
object, the attracted material reaches such high tempera-
tures that it emits bright X-rays – allowing us to observe
the relativistic motion of matter in strong gravitational
fields and probe the ultra-dense matter that makes up
NSs. With current observational means and technical
conditions, these systems are impossible to image directly
as their angular size is typically sub-nano-arcseconds, but
the rapid X-ray variability that is observed allows us to
indirectly map the accretion flow [40, 41]. In particu-
lar, quasi-periodic oscillation (QPO) is the manner in
which the X-ray light from an astronomical object flick-
ers about certain frequencies. When QPOs, as a peculiar
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astronomical phenomenon, were discovered more than 30
years ago, it has been difficult to determine their physi-
cal origin unambiguously, but observations over the last
decade have accumulated rich data for this astrophysical
phenomenon and greatly enhanced our understanding of
it. Readers who want to learn more about this field in
detail can refer to reference [41] and [40].

One of the highly regarded models for X-rays is the
relativistic precession model [38, 39], which posits that
the closed orbits of test particles moving around a cen-
tral compact object are characterized by three distinct
frequencies: the orbital frequency, the radial epicyclic
frequency, and the vertical epicyclic frequency. The ob-
served QPO frequencies are combinations of these fun-
damental frequencies. These accreting gas particles or-
biting the central object at several or tens of gravita-
tional radii emit X-ray electromagnetic signals carrying
information about strong-field gravitational effects. The
model was originally established to explain the high-
frequency QPOs of neutron star X-ray binaries and was
later extended to be used on stellar-mass black hole bi-
naries [38]. Although observations of QPO phenomena
in black hole binaries are far less abundant than those
in neutron stars, black holes provide a relatively clean
astrophysical environment for studying the properties of
gravity in strong fields and the geometry of black holes
[42]. So far, several examples of observations of three
model frequencies in black hole X-ray binaries using the
relativistic precession model have been reported [42, 43],
as well as sources where two frequencies have been ob-
served.

This direction has been explored in many works from
the theoretical point of view. For instance, testing the no-
hair theorem with GRO J1655-40[44], studying a black
hole in non-linear electrodynamics [45] or the nature of
the black hole candidate [46, 47], investigating the QPO
behaviors around rotating wormholes [48, 49], testing
gravity with the different kinds of modified gravity theo-
ries [50–53], etc.

In this paper, we investigate the effects of rotating
SDBH spacetime from LQG on the QPOs of the X-ray
binaries. we select five cases with well-measured obser-
vational data to explore and constrain the effects of LQG
in rotating SDBH: GRO J1655-40 [42], XTE J1550-564
[54, 55], XTE J1859+226 [43], GRS 1915+105 [41] and
H1743-322 [56]. The effects of LQG may not only affect
the X-ray signals emitted from the accretion disk around
the black hole, but also affect the orbital motion of the
accreting material, especially the precession frequencies
of the gas particle on the disk in the strong gravitational
field spacetime of the black hole. Within the relativity
precession model, we find that the effects of LQG on the
QPO frequencies have a feeble contribution. With the
observational results of stellar-mass black holes binaries
GRO J1655-40, XTE J1550-564, XTE J1859+226, GRS
1915+105 and H1743-322, we use Monte Carlo simula-
tion to explore the possible effects of LQG on the X-ray
QPOs, and give an upper limit value of the polymeri-

sation function P that characterises this effect at 95%
confidence level.

The plan of our paper is as follows. In Sec. II, we
present a very brief introduction of the rotating SDBH.
With this spacetime metric, in Sec. III, we present the
derivation for the QPO frequencies from the geodetic mo-
tion of a massive test particle in the rotating SDBH. In
Sec.IV, we briefly summarize the observation results from
X-ray QPO, and briefly described the analysis of Monte
Carlo Markov chain. And then we present our MCMC
simulation best-fit on constaining the parameters of the
SDBH. We discuss the main results of our analysis. A
summary of our main conclusions of this paper is pre-
sented in Sec. V.

II. BRIEF INTRODUCTION OF THE
PROPERTIES OF ROTATING SELF-DUAL

SPACETIME

In this section, we briefly introduce the rotating SDBH
in LQG proposed in [30]. The self-dual spacetime arises
from the symmetry reduced model of LQG correspond-
ing to homogeneous spacetimes. It has been shown to
be geodesically complete and free of any spacetime cur-
vature singularity. The rotating SDBH solution in the
Boyer-Lindquist coordinates is given by [30],

ds2 =
H

ρ2

[
∆

ρ2
(dt− a sin2 θdφ)2 − ρ2

∆
dr2 − ρ2dθ2

− sin2 θ

ρ2
(adt− (k2 + a2)dφ)2

]
, (1.1)

where the metric auxiliary functions are defined as

∆(r) = g(r)h(r) + a2, (1.2)

σ(r) = k2 − g(r)h(r), (1.3)

k2(r) =

√
g(r)

f(r)
h(r), (1.4)

ρ2(r) = k2 + a2 cos2 θ, (1.5)

where a = J/M is the specific angular momentum (rota-
tion parameter), and M and J are the mass and angular
momentum of the black hole, respectively. It is easy to
verify that when a = 0 we recover the non-rotating SDBH
solution [31]. The factor H in the metric 1.1 is a regular
function which satisfied h(r) = lim

a→0
H . So the coefficient

H /ρ2 is a normalization factors that does not affect the
intrinsic geometry of the spacetime. And here the metric
functions f(r), g(r), and h(r) are given by

f(r) =
(r − r+)(r − r−)(r + r∗)

2

r4 + a2
0

,

g(r) =
(r − r+)(r − r−)r4

(r + r∗)2(r4 + a2
0)
,

h(r) = r2 +
a2

0

r2
. (1.6)
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where r+ = 2GM/(1 + P )2 and r− = 2GMP 2/(1 + P )2

are the two horizons, and r∗ =
√
r+r− = 2GMP/(1 +

P )2 with G representing the gravitational constant, M
denoting the ADM mass of the SDBH, and P being the
polymeric function

P ≡
√

1 + ε2 − 1√
1 + ε2 + 1

, (1.7)

where ε is a product of the Immirzi parameter γ and the
polymeric parameter δ, i.e., ε = γδ � 1. The parameter
a0 is defined as

a0 =
Amin

8π
, (1.8)

where Amin denotes the minimum area gap of LQG. It is
worth noting that Amin is related to the Planck length lPl

through Amin ' 4πγ
√

3l2Pl [8, 9].Therefore, a0 is a quan-
tity proportional to the Planck length lPI and could be
ignored when considering orbital motion on the scale of
several to tens of Schwarzschild radii. For the parameter
γ, different values are given in the literature from differ-
ent considerations [57–62]. In this paper, in order to ob-
tain the QPOs observational constraints of the polymeric
function δ derived from the constraints on P , we adopt
a value γ = 0.2375 commonly used in the calculation of
black hole thermodynamic quantities [63]. In order to
be able to reduce to the Newtonian limit, the gravita-
tional constant in the rotating SDBH can be related to
the Newtonian gravitational constant by the relationship
GN = G(1 + 4P ). For convenience, in this paper we take
geometric units and set GN = 1.

Here we also would like to mention that when all the
effects of LQG is absent, the metric of the rotating SDBH
goes over to the Kerr spacetime exactly.

III. QUASI-PERIODIC OSCILLATION
FREQUENCIES IN THE ROTATING LOOP

QUANTUM BLACK HOLE

In this section, we derive the three frequencies that
describe QPOs within the relativistic precession model
by using the equations of motion of test particles on an
accretion disk orbiting the rotating SDBH. The accre-
tion disk is formed by particles moving in circular or-
bits around a compact object, whose physical properties
and the electromagnetic radiation characteristics are de-
termined by the space-time geometry around the central
compact object. For the purpose to study the fundamen-
tal frequency characterize the QPOs, let us first consider
the evolution of a massive particle in the rotating SDBH
spacetime. We start with the Lagrangian of the particle,

L =
1

2
gµν

dxµ

dλ

dxν

dλ
, (1.9)

where λ denotes the affine parameter of the world line of
the particle. For massless particle we have L = 0 and

for massive one L < 0. Then the generalized momentum
pµ of the particle can be obtained via

pµ =
∂L

∂ẋµ
= gµν ẋ

ν , (1.10)

which leads to four equations of motions for a particle
with energy Ẽ and angular momentum L̃,

pt = gttṫ+ gtφφ̇ = −Ẽ, (1.11)

pφ = gφtṫ+ gφφφ̇ = L̃, (1.12)

pr = grr ṙ, (1.13)

pθ = gθθ θ̇. (1.14)

Here a dot denotes the derivative with respect to the
affine parameter λ of the geodesics. From these expres-
sions we obtain

ṫ =
gφφẼ + gtφL̃

gtφgφt − gttgφφ
(1.15)

φ̇ =
Ẽgtφ + gttL̃

gttgφφ − gtφgφt
. (1.16)

For the conservation of the rest-mass, we have gµν ẋ
µẋν =

−1. Substituting ṫ and φ̇ we can get

grr ṙ
2 + gθθ θ̇

2 = −1− gttṫ2 − gφφφ̇2 − 2gtφṫφ̇. (1.17)

Here we are interested in the evolution of the particle
in the equatorial circular orbits. For this reason, we can
consider θ = π/2 and θ̇ = 0 for simplicity. Then the
above expression can be simplified into the form

ṙ2 = Veff(r,M, Ẽ, L̃)

=
Ẽ2gφφ + 2ẼL̃gtφ + L̃2gtt

g2
tφ − gttgφφ

− 1, (1.18)

where Veff(r) denotes the effective potential of the test

particle with energy Ẽ and axial component of the an-
gular momentum L̃. The stable circular orbits in the
equatorial plane are corresponding to those orbits with
constant r, i.e., ṙ2 = 0 and dVeff(r)/dr = 0. With these

conditions, one can write the specific energy Ẽ and the
specific angular momentum L̃ of the particle moving in
a circular orbit in the black hole as

Ẽ = − gtt + gtφΩφ√
−gtt − 2gtφΩφ − gφφΩ2

φ

, (1.19)

L̃ =
grφ + gφφΩφ√

−gtt − 2gtφΩφ − gφφΩ2
φ

. (1.20)

where the orbital angular velocity yields

Ωφ =
−∂rgtφ ±

√
(∂rgtφ)2 − (∂rgtt)(∂rgφφ)

∂rgφφ
. (1.21)

where the sign ± for corotating (counterrotating) orbits.
The corotating orbits have parallel angular momentum
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with spin, while counterrotating orbits have antiparallel
ones.

On the other hand, since the test particles follow
geodesic, equatorial, and circular orbits, we can also de-
rive orbital angular momentum from the geodesic equa-
tions

d

dλ
(gµν ẋ

ν)− 1

2
(∂µgνρ)ẋ

ν ẋρ = 0, (1.22)

with the conditions ṙ = θ̇ = r̈ = 0 for equatorial circular
orbits, the radial component of Eq.(1.22) reduces to

(∂rgtt)ṫ
2 + 2(∂rgtφ)ṫφ̇+ (∂rgφφ)φ̇2 = 0. (1.23)

Therefore, we get the orbital angular velocity

Ωφ =
dφ

dt
=
−∂rgtφ ±

√
(∂rgtφ)2 − (∂rgtt)(∂rgφφ)

∂rgφφ
.(1.24)

and the corresponding orbital frequency (or Keplerian
frequency) is

νφ =
Ωφ
2π

=
1

2π

( √
M

a∗M3/2 + r3/2

−3P
√
M

r3/2
+
PM3/2

r5/2
+

6a∗PM
2

r3

)
,(1.25)

where a∗ ≡ J/M2. Now let’s considering a tiny pertur-
bation around the circular equatorial orbit, we have

r(t) = r0 + δr(t), θ(t) =
π

2
+ δθ(t), (1.26)

where the δr(t) and δθ(t) are the tiny pertubations gov-
erned by the equations

d2δr(t)

dt2
+ Ω2

rδr(t) = 0, (1.27)

d2δθ(r)

dt2
+ Ω2

θδθ(t) = 0, (1.28)

where

Ω2
r = − 1

2grr ṫ2
∂2Veff
∂r2

|θ=π
2
, (1.29)

Ω2
θ = − 1

2gθθ ṫ2
∂2Veff
∂θ2

|θ=π
2
. (1.30)

The radial epicyclic frequency νr and the vertical
epicyclic frequency νθ can be defined as νr = Ωr/2π and
νθ = Ωθ/2π, respectively. For the equatorial circular or-
bits of a test-particle, the radial epicyclic frequency de-
scribe the radial oscillations around the mean orbit, and
the vertical epicyclic frequency represent the vertical os-
cillations around the mean orbit. So the radial epicyclic
frequency νr and the vertical epicyclic frequency νθ in
the rotating SDBH are given by

νr = νφ

[
1− (6− 40P )

M

r
+ 8a∗(1− 3P )

M3/2

r3/2

−3a2
∗
M2

r2
+ 8a∗P

M5/2

r5/2
− 8a2

∗P
M3

r3

]1/2

,(1.31)

νθ = νφ

[
1− 4a∗(1− 3P )

M3/2

r3/2
+ 3a2

∗
M2

r2

−12a∗P
M5/2

r5/2
+ 16a2

∗P
M3

r3

]1/2

. (1.32)

One can immediately find out that, in the rotating
SDBH spacetime, the frequencies νr and νθ depend on
the parameter P from LQG. When the effect of LQG for
the QPOs frequencies is not present (P = 0), Eqs. (1.25),
(1.31), (1.32) naturally degenerates to the result of the
Kerr black hole [56].

From the three fundamental frequencies discussed
above, we can define the periastron precession frequency
νper and nodal precession frequencies νnod as

νp = νφ − νr, νn = νφ − νθ. (1.33)

The variation of the orbital, periastron precession and
nodal precession frequency functions for the rotating
SDBH with the parameter P is shown in the figure 1.
It is clear from the figure 1 that, for an astrophysical
black hole in general (which has a non-zero spin angu-
lar momentum), all three QPO frequencies decrease as
the aggregation function increases. When the spin a∗
is small, the effect from the LQG contributes more sig-
nificantly to the orbital frequency νφ and the periastron
precession frequency νr, while the spin value a∗ is large,
i.e. a∗ = 0.6, the contribution to the nodal precession
frequency νnod is greater.

IV. CONSTRAINTS ON THE LOOP QUANTUM
PARAMETER WITH CURRENT X-RAY

OBSERVATIONS OF QPOS

In this section, we select 5 events of QPOs from dif-
ferent X-ray binaries with well treated observational re-
sults, as presented in Table I to explore and constrain
the effects of LQG in rotating SDBH. We use the rel-
ativistic precession model along with the QPO frequen-
cies from X-ray Observations of the GRO J1655-40, XTE
J1550-564, XTE J1859+226, GRS 1915-105 and H1743-
322 to make constraints on the parameters of the rotating
SDBH.

A. Analysis of Monte Carlo Markov chain

In this paper, we carry out the analysis of the MCMC
implemented by emcee [64] to obtain the constraints on
the rotating SDBH spacetime. Firstly let us introduce
the posterior for the observation. The posterior can be
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FIG. 1. The trend of the orbital frequency (or Keplerian frequency) νφ, periastron precession frequency νper and the nodal
precession frequency νnod with respect to the polymeric function P in rotating SDBH.

TABLE I. The orbital, periastron precession and nodal precession frequencies of QPOs from the X-ray Binaries GRO J1655-40,
XTE J1550-564, XTE J1859+226, GRS 1915+105 and H1743-322.

GRO J1655-40 XTE J1550-564 XTE J1859+226 GRS 1915+105 H1743-322

M (M�) 5.4±0.3 [42] 9.1± 0.61 [54, 55] 7.85±0.46 [43] 12.4+2.0
−1.8 [41] & 9.29 [56]

νφ(Hz) 441± 2 [42] 276± 3 [54] 227.5+2.1
−2.4 [43] 168 ± 3 [41] 240 ± 3 [56]

νper(Hz) 298± 4 [42] 184± 5 [54] 128.6+1.6
−1.8 [43] 113 ± 5 [41] 165+9

−5 [56]

νnod(Hz) 17.3± 0.1 [42] - 3.65 ± 0.01 [43] - 9.44 ± 0.02 [56]

defined as

P(Θ|D,M) =
P (D|Θ,M)π(Θ|M)

P (D|M)
(1.34)

where π(Θ) is the prior and P (D|Θ,M) is the likelihood.
The priors are set to be gaussian prior with boundaries,

i.e., π(θi) ∼ exp

[
1
2

(
θi−θ0,i
σi

)2
]

, θlow,i < θi < θhigh,i,

for paramaters θi = [M,a∗, r/M ] and the σi are their
corresponding sigmas. We take the prior values of the
parameters of the rotating SDBH as presented in Ta-
ble II. For parameter P , we choose to use a uniform
prior with a given boundary, i.e. π(P ) = 1 for P ∈
[Plow, Phigh], otherwise we set π(P ) = 0. According to
the definition of the polymeric function (1.7), setting
P ∈ [0, 1) is a reasonable choice.

As we mentioned in Sec.III, three different parts of
data are employed in our MCMC analysis. For this rea-
son, the likelihood function L consists of three parts, i.e.

logL = logLobt + logLper + logLnod, (1.35)

where logLobt denotes the likelihood of the 3 astrometric
obital frequancies data

logLobt = −1

2

∑
i

(νiφ,obs − νiφ,th)2

(σiφ,obs)
2

(1.36)

logLper represents the likelihood of the data of the peri-
astron precession frequency.

logLnod = −1

2

∑
i

(νiper,obs − νiper,th)2

(σiper,obs)
2

, (1.37)

and logLnod is the likelihood of the nodal precession fre-
quency

logLnod = −1

2

∑
i

(νinod,obs − νinod,th)2

(σinod,obs)
2

. (1.38)

Here νiφ,obs, ν
i
per,obs, ν

i
nod,obs are observation results of

the orbital frequencies, periastron precession frequencies
νper and nodal precession frequencies, and νiφ,th, νiper,th,

νinod,th are the corresponding theoretical predictions, re-

spectively. In the above expressions, σi
x,obsi

denote the

corresponding statistical uncertainty for the associated
quantities.

Now, we can run the MCMC to constrain the value
of parameters {M , a∗, r/M , P} for the rotating SDBH.
In terms of the value of Gaussian prior, we rely on the
literature that gives parameter values based on original
data processing. For the QPO cases that do not give
explicit variances, i.e., GRS 1915+105, we take 10% (or
5%) of the center value as our variance sigma, that is,
assuming that its observation error has an accuracy of
10% (or 5%). We randomly take 105 points for each
parameter according to the Gaussian prior distribution
to traverse the physically possible parameter space, that
is the boundary we set, so as to obtain the best fitting
value of the parameter.
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FIG. 2. Constraints on the parameters of the rotating SDBH with GRO J1655-40(red contours) and GRS 1915+105(blue
contours) from current observations of QPOs within the relativistic precession model.

FIG. 3. Constraints on the parameters of the rotating SDBH with XTE J1550-564(green contours) and XTE J1859+226(purple
contours) from current observations of QPOs within the relativistic precession model.

B. Results and Discussions

With the setup described in the above subsections, we
explore the 4-dimensional parameter space for the ro-
tating SDBH through an analysis of MCMC. The cor-

responding best fit values of these 4 parameters are pre-
sented in Table. III. Figures 2, 3 and 4 shown the MCMC
analysis results of all parameters of the rotating SDBH
for the 5 events of X-ray QPOs. On the contour plots of
these figures, the shaded regions show the 68%, 90%, and
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TABLE II. The Gaussian prior of the rotating SDBH from QPOs from the X-ray Binaries GRO J1655-40, XTE J1550-564,
XTE J1859+226, GRS 1915+105 and H1743-322.

Parameters
GRO J1655-40 XTE J1550-564 XTE J1859+226 GRS 1915+105 H1743-322

µ σ µ σ µ σ µ σ µ σ

M (M�) 5.4 0.066 9.10 0.61 7.85 0.46 12.41 0.61 9.29 0.46

a∗ 0.286 0.003 0.34 0.007 0.149 0.005 0.29 0.03 0.27 0.03

r/M 5.677 0.035 5.47 0.12 6.85 0.18 6.10 0.61 5.55 0.55

P Uniform [0,1) Uniform [0,1) Uniform [0,1) Uniform [0,1) Uniform [0,1)

95% confidence levels (C.L.) of the posterior probability
density distributions of the entire set of parameters, re-
spectively.

As a result, we found the best-fit values of P come
from the GRO J1655-40 (Fig. 2), which gives the upper
limit of P is 0.00086 at 95% confidence level. As the main
reason, for the three fundamental frequencies required by
the relativistic precession model, the data obtained from
the observations of GRO J1655-40 are complete and their
errors are smaller. Similarly, complete XTE J1859+226
and H1743-322 also yielded similar parameter constraint
results. However, the observations of the remaining two
X-ray binaries are incomplete, resulting in slightly lower
accuracy in their parameter restrictions. The results pre-
sented in Fig. 2, 3, 4 and Table. III are fully consistent
with a central black hole described by the Kerr space-
time as predicted by GR. We do not find any significant
signature of the rotating SDBH spacetime.

We find the polymeric function P can be constrained
to be

|P | < 0.00086, (1.39)

at 95% confidence level. This bound corresponds to the
bound on the polymeric parameter δ of

|δ| < 0.24. (1.40)

Here we obtain a constraint that is slightly stronger
(but still consistent) than the bound of P < 0.043 de-
rived in [32] using the measurement data of the orbital
procession of the S0-2 star, but much weaker than those
obtained from the observation of the gravitational time
delay by the Cassini mission, the deflection angle of light
by the Sun, and the perihelion advance of Mercury [31].
Although the accuracy of the observational constraints
from the QPOs is comparatively lower than that of other
types of observations, our results demonstrate that the
QPOs from X-ray binary observations have the capabil-
ity of constraining the rotating black hole parameters be-
yond those supported by general relativity. Furthermore,
we would like to mention that the tighter constraints dis-
cussed above are derived from observations at the scale
of the solar system, while our results represent a bound
on P in a strong gravity regime environment with non-
vanished angular momentum.

V. SUMMARY AND CONCLUSIONS

In this paper, we investigate the effects of the rotat-
ing SDBH from LQG on the QPOs. Firstly we obtain
the three fundamental frequencies in rotating SDBH re-
quired by the relativistic precession model: orbital fre-
quency, radial epicyclic frequency and vertical epicyclic
frequency. The influence of LQG effect could not only
change the precession shift of the accreting gas parti-
cles, but also alter the fundamental QPOs frequencies
of the X-ray binaries. Then we study the influence of
the LQG effect with the observational results of the
QPOs events from the X-ray binaries GRO J1655-40,
XTE J1550-564, XTE J1859+226, GRS 1915+105 and
H1743-322. With these observation, we execute a MCMC
simulation to examine the potential LQG influence on
the QPOs frequency, the periastron precession frequency
and the nodal precession frequency. We find that XTE
J1859+226 and H1743-322 give the best constraint re-
sults for their data is model complete and has small er-
ror, and other results also offer important reference for
this constraint. Among these results, we do not detect
any significant indication of the rotating SDBH space-
time and thus establish an upper limit on the polymeric
function P . 8.6 × 10−4 at 95% confidence level. This
limit results in a constraint on the polymeric parameter
δ of LQG to be |δ| . 0.24.

ACKNOWLEDGEMENTS

This work is supported by the Zhejiang Provincial
Natural Science Foundation of China under Grants No.
LR21A050001 and No. LY20A050002, the National Nat-
ural Science Foundation of China under Grants No.
11675143 and No. 11975203, the National Key Research
and Development Program of China under Grant No.
2020YFC2201503, and the Fundamental Research Funds
for the Provincial Universities of Zhejiang in China under
Grant No. RF-A2019015.



8

FIG. 4. Constraints on the parameters of the rotating SDBH with H1743-322(orange contours) from current observations of
QPOs within the relativistic precession model.

TABLE III. The best-fit values of the rotating SDBH parameters from QPOs for the X-ray Binaries GRO J1655-40, XTE
J1550-564, XTE J1859+226, GRS 1915+105 and H1743-322.

Best-fit Values

Parameters GRO J1655-40 XTE J1550-564 XTE J1859+226 GRS 1915+105 H1743-322

M (M�) 5.84+0.04
−0.04 10.24+0.27

−0.25 9.04+0.20
−0.19 13.78+0.48

−0.48 11.04+0.23
−0.22

a∗ 0.29+0.00
−0.00 0.34+0.01

−0.01 0.150.00
0.00 0.26+0.03

−0.03 0.28+0.00
−0.00

r/M 5.81+0.02
−0.02 5.50+0.08

−0.08 6.86+0.07
−0.07 6.22+0.14

−0.14 5.69+0.04
−0.04

P < 0.00086 < 0.00602 < 0.00403 < 0.00453 < 0.00244
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1. Introduction

Concerning its gravitational force the existence of dark matter is incorporated in the standard

cosmological model, but the non-gravitational properties of the dark matter is much less well-

established and even connected with seeming contradictions or mysteries.

Many physicists still believe in WIMPs being the dark matter, while we ourselves go for a model

hopefully incorporable into the Standard Model, in which the dark matter is more like macroscopic

structures of ordinary matter (only with one new vacuum story added). But let us start by looking

at a few questions:

1.1 Mysteries concerning Dark Matter

• Why do the Xenon experiments not “see” the dark matter ?

The answer of our model: The dark matter particles get stopped down to too low speed by

the atmosphere and the shielding. Then they do not have enough speed to bring the nuclei in

the detector up to a speed that gives visible scintillation in the counters.

• But how can then DAMA “see” the dark matter?

Our answer: Dark matter radiates electrons. DAMA only tests that it is dark matter by the

seasonal variation [1, 2], while the Xenon-experiments exclude (or can separate) the electron

induced signal. So DAMA would accept as possible dark matter a signal with sufficiently

high energy electrons. However such high energy electrons would not be produced by simple

collisions of a few hundred km/s dark matter particles; so special radiation would be needed.

• Could the Xenon experiments then not look for electrons also?

Our answer: Yes, and indeed Xenon1T “saw” a little excess of “electron recoil events” of

energy about 3.5 keV [3].

Unfortunately this little electron-recoil effect was retested and it turned out, as reported in a

paper published shortly after this workshop [4], to probably have been due to the presence of

radon gas. So now the situation is that the Xenon-experiments saw nothing in electron recoil

events either.

• But recoil electrons from 300 km/s collisions only have about 1 eV energy, not keV’s!

Our model answer: Our dark matter particles can be excited so as to radiate 3.5 keV X-rays

or electrons.

• How does the dark matter get excited so as to radiate electrons in DAMA?

Our answer: The dark matter particles get heated up and excited by the interaction with the

atmosphere while being stopped.

• But if they get so easily stopped and slowed down, does it not mean that the dark matter is

not truly dark?
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Answer: It has an “inverse darkness”

f

"
= 15<2/:6 (for velocity E → 0. ) (1)

enough for stopping, but only little noticed in astronomy.

In fact Correa made a fit of dwarf galaxy star velocities in a model with self interacting dark

matter, SIDM, and obtained the value 15<2/:6 for the low velocity limit of the ratio of the

cross section relative to the mass of a dark matter particle [5]. At higher velocities the cross

section falls off. Her results are displayed in Figure 1.

1.2 Our only moderately dark Dark Matter

In our model the dark matter particles or pearls consist of a tiny bubble of a new speculated

vacuum filled with highly compressed ordinary matter, say carbon, surrounded by an approximately

100 times larger dust grain. This dust grain can be washed off in the Earth’s atmosphere, leaving

behind a cleaned vacuum bubble with a cross section say 10000 times smaller than that of the dusty

pearl. The cleaned dark matter pearl gets decelerated to a much slower speed in the atmosphere and

can then penetrate slowly through the shielding of the earth down to say DAMA.

Thus we have for the dusty pearls (at low velocity and at 1000 km/s in big galaxy clusters) and

cleaned pearls the following values for the "inverse darkness ” f
"

(where f is the cross section of

the pearl and " its mass):

f

"
|E→0 = 15<2/:6 (“observed”, dusty) (2)

f

"
|2;40= = 10−3<2/:6 (cleaned, vacuum-bubble) (3)

f

"
|E=1000:</B = 10−2<2/:6 (“observed”, dusty, big clusters) (4)

Note that even our dusty dark matter is dark compared to atoms, but conventional WIMP dark

matter is much darker than ours:

Carbon C:
f

"
|� =

f�

12D ∗ 1.66 ∗ 10−27:6/D
= 7.73 ∗ 105<2/:6

WIMP say:
<−2

,

<,

∼
(0.2 ∗ 10−17)2<2

2 ∗ 10−27:6
∼ 10−8<2/:6

Figure 2 shows that dark matter with only gravitational interactions does not function so well

in simulations on dwarf galaxies [5].

2. Our Model of Dark Matter in principle inside the Standard Model

Provided we can invent some theoretical story like that QCD, instead of being simply confined

and having the Gellman (* (3) symmetry of rotating the light quarks into each other or better the

chiral part of it being spontaneously broken, could have another phase where the diagonal subgroup
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Figure 1: By fitting to various dwarf galaxies Correa [5] has obtained the ratio of the cross section for one

dark particle hitting another one divided by the mass of such a particle, f
"

, also called the inverse darkness,

as a function of the velocity in the collision. Since varying the mass and the cross section by the same factor

would not change any effect of the dark matter, one can of course never obtain anything but this ratio from

the dark matter effects on the ordinary matter.

of the two (* (3)s survives spontaneous breaking [6]. Then we could speculate on the existence of

two phases of the QCD-part of the vacuum-structure. Really QCD and the usual Nambu-JonaLasinio

spontaneous breaking is sufficiently complicated that a slightly different QCD-part of the vacuum

structure can not be excluded. If such a possibility had just been overlooked so far then, due to the

QCD-physics, there could be two phases of the vacuum, and our speculation about an extra vacuum

inside of the dark matter bubbles could be realized completely inside the Standard Model. This

could of course explain why LHC did not see any new physics in spite of it usually being strongly

expected from considering dark matter.
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Figure 2: This figure should illustrate that when Correa simulated the dark matter distribution, under

the assumption of a purely gravity interaction, and regained a prediction for the star velocities it was not

successful. So there is a call for e.g. interaction of the dark matter with itself.

• Why did LHC not see any dark matter?

Our answer: In our model the dark matter is composed from ordinary stuff like nuclei and

electrons being caught into a bubble of a second phase of the vacuum.

There is no “new physics” in our model, except that we do not know how the two (or more)

types of vacua come about.

But we speculate that they can appear inside the Standard Model without genuine new physics;

only with fine tunings of couplings.

Presumably: One vacuum with confinement; another one with QCD color Higgsed to be

aligned with a Gellman (* (3). Another idea is that Nambu-JonaLasinio Goldstone boson

fields (the pseudoscalar meson fields) could be correlated a little differently in the different

vacuum-phases. We shall show some “Columbia-plots” at the end that might give hope for

this latter “different correlations in Nambu-JonaLasinio” idea.

There is another difficult question
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• If DAMA can observe dark matter particles emitting fast electrons with energies of the order

of 3.5 keV, then why can the Xenon-experiments not see them?

Our model answer: This is because the Xenon experiments have a fluid and when the dark

matter particles come to the fluid they fall much faster than in the solid NaI in the DAMA

experiment. So the dark matter particles spend much less time in one kg of xenon than in one

kg of NaI.

This problem is very hard to solve with a WIMP-type model except if mysteriously the nuclear

physics is very different for xenon versus the other elements Na and I, which sounds almost

like fine-tuning the xenon interaction with the WIMP to have a special cancellation! The fluid

solid difference between the two scintillators is the almost only proper qualitative difference

between them. (Remember that LUX and other xenon experiment have looked so accurately

that had there even been the amount of WIMPs that would give the seasonal excess in DAMA,

they should have been able to see it.)

A related question is:

• Is there a way to check our dark matter model?

Our answer: One good check of our model would be to confirm that the DAMA signal for

dark matter is due to the emission of fast electrons rather than nuclear recoils. In fact the

COSINUS experiment [7] is presently being set up in Gran Sasso using NaI scintillating

crystals as a target to cross-check the DAMA results. It is capable of disentangling 4−/W

events from nuclear recoils on an event-by-event basis, which should provide a good test of

our model.

3. Our picture of the Dark Matter Pearls

In our model [8–19] the dark matter consists of macroscopic massive pearls, which in the

interior has a little piece - very exactly a perfect sphere - of a vacuum in phase 2 so to speak filled

with some ordinary material, such as say carbon, under high pressure. Then this little bubble of new

vacuum is surrounded by a bigger but not so heavy grain of dust. The point is that, even though the

ordinary material inside the bubble is in the new vacuum and highly compressed, it still interacts

chemically and mechanically with the dust and thus presumably does not stay clean in the Universe

for 13.6 milliards years even if it should have been created clean, in the sense that at first there was

plasma around it rather than material that could contaminate it.

The dark matter particles or pearls are composed of:

• A nm-size bubble of a new speculated vacuum filled with highly compressed atomic stuff,

say carbon. (We really have only very weak constraints on the size of the pearls.)

Let us remark that there is not so much to observe that can give us a good estimate of the

mass of the dark matter particles. Therefore our estimate of the size of the dark matter pearls

is very uncertain. If we use the idea to be found in our talk on "Tensions in Cosmology” [20]

that the cosmological constant might be replaced by a network of domain walls, a surface

tension of the dark matter bubbles of the order of (30 MeV)3 would be called for. Then dark
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Figure 3: This picture (from Wikipedia) is an attempt to draw the distribution of galaxies in perspective as

3-dimensional. It shows several voids, regions with only a few galaxies, and by accident has rings around

these voids. You could roughly take these rings to suggestively represent domain walls, in a speculation that

the voids were of a different type (phase) of vacuum than the galaxy rich regions (clusters etc.).

matter bubbles would be of 10−8< size, an order of magnitude larger than the here mentioned

nanometre size. But, as stressed above, the mass is not well determined.

• A surrounding dust particle of “metallicity” material such as C, O, Si, Fe, ..., presumably

of some non-integer Hausdorff dimension about 2. This atomic matter is influenced by the

electrons being in a superposition partly inside the bubble of the new vacuum, where there is

a very high gap between filled and unfilled electron states.

The pearls interact:

• with other dark matter particles,

• with atomic matter.

6



Dusty Dark Matter Bubbles, X-rays Holger B. Nielsen

4. Huge New Vacuum Bubbles possible, if really there are different Vacua

If really the idea - our main new idea - that there are several phases of vacuum were true, as

well as our assumption that the different phases have the same energy density, then a priori one

could expect huge, astronomically large, regions with a different vacuum phase from that of another

large region. If so, however, there would still be the surfaces - the domain walls - in between these

different regions.

Now if these surfaces in between the regions would have energy per area densities as expected

by dimensional arguments for new physics beyond the Standard Model, then these densities of

energy on the domain wall would be so huge that astronomical size domain walls would upset our

usual cosmological picture very strongly. Only because the domain wall energy density needed

to fit our dark matter turns out to be surprisingly small from the new physics expectation point of

view, does it become possible to speculate seriously that the domain walls could really exist out in

space - and e.g. surround the voids (the big regions in space with rather few galaxies) - and only

contribute tolerably to the cosmological parameters. This is illustrated in Figure 3.

The idea of having huge astronomical size vacuum bubbles will be taken up in our contribution

to the Corfu workshop on “Tensions in Cosmology” just after this workshop [20].

5. Multiple Point (Criticality) Principle

As mentioned above our main new idea which we incorporate into the Standard Model is the

Multiple Point Principle (MPP) [21–24], according to which there should be several phases of the

vacuum and that they should be degenerate in the sense of having the same energy density. This

principle can be used to fine-tune and hence predict the value of coupling constants. It was applied

some time ago at the Planck scale in a somewhat complicated model to correctly predict the number

of families in the Standard Model [25, 26], prior to the LEP measurement of the number of light

neutrino species.

Later we used MPP to PREdict the mass of the Higgs particle before this particle was found

experimentally [27, 28]. In addition to the usual vacuum with a Higgs vacuum expectation value

of 246 GeV, we obtained another vacuum degenerate with it but having a very large Higgs field

expectation value of order the Planck scale ∼ 1018 GeV. In Figure 4 we reproduce a copy of a

painting including one of us, in which the Higgs mass prediction 135�4+ ±10�4+ is on the black

board (although the 1 in the 135 is hidden behind the member of the cabinet Mogens Lykketoft’s

head).

There may not exist any true derivation of our “Multiple Point Criticality Principle”, because

it is basically an assumption. A good argument for it is very similar to the argument for having the

melting point temperature when you have both say ice and water together. It occurs often and even

has a name “slush”, and having slush one knows that the temperature is 00 Celsius (see Figure 5).

6. The 3.5 keV X-ray from Dark Matter

The most important support for our model may be that we find the energy 3.5 keV in two

different places as a possible characteristic level transition energy difference for dark matter:

7



Dusty Dark Matter Bubbles, X-rays Holger B. Nielsen

Figure 4: This painting of one of the authors and the Danish finance minister was painted long before

the Higgs particle was observed at LHC. Nevertheless due to our “Multiple Point Criticality Principle”, we

predicted the mass value for the Higgs particle 135�4+±10�4+ as with the 1 hidden by Mogens Lykketoft’s

head is seen on the painting. The much later measured value is 125�4+ .

• The energy of the X-ray line from galaxy clusters, galaxies and strangely the Tycho supernova

remnant long suspected as coming from dark matter.

• As average of the energy of the DAMA dark matter events.

In section 12 we report on some progress made since the workshop on our understanding of

the observed intensity of the 3.5 keV X-ray radiation. Our picture now is that most of the sources

are well understood by the fit of Cline and Frey [29], in which the rate of this line emission goes as

the square of the dark matter density. This corresponds to the dominating process being a collision

or perhaps annihilation of two dark matter particles, which get some excitation emitting the 3.5

keV line. However, of course the emission in a visible amount from the Tycho supernova remnant

cannot be dominantly due to this dark + dark collision [30], but must involve some ordinary matter

colliding with the dark matter. Also the outskirts of the Perseus Cluster, where the dark matter

density has fallen, and the centre of the Milky Way are two further sources of the 3.5 keV line,

where we now think that it is collision of ordinary matter - expected to be hot atoms with energy of

the order of X-rays - with the dark matter that excites the latter to emit the 3.5 keV line.

In our model we have long supposed that the dark matter bubbles of new vacuum contain

matter in which the electron spectrum has a gap, a homolumo gap between the filled levels and the
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Figure 5: Slush.

empty levels. It is this homolumo gap which, because of the very high pressure in the ordinary

matter contained inside the bubble, has the unusually high value (compared to ordinary chemistry)

of 3.5 keV for the energy difference between the highest(H) occupied(O) level (molecular orbit =

MO) and the lowest(L) unoccupied(U) molecular orbit. This should then explain the tendency for

the dark matter bubble to emit an X-ray of just this frequency. The excited electrons should go to

the lowest unoccupied states and from there jump, under 3.5 keV X-ray line emission, down to a

hole in the band of normally occupied states.

7. The Dust sitting on the Dark Matter Pearls/Bubbles

Since our bubbles of new vacuum contain - are pumped up with - ordinary matter (under

pressure) it is not surprising, but rather expected, that a chemical interaction could be formed

between the ordinary matter inside the bubble and the ordinary matter outside. In fact we expect

that, due to the high pressure, some electrons will already by the Fermi statistics flow a bit over

and actually be present outside the proper skin (= domain wall). So the bubbles have a high chance

of getting contaminated by dust or other matter in the outer space where they move along. So we

should imagine that the true dark matter particles are probably much like dust grains with a bubble

of new vacuum filled with say carbon sitting in it somewhere. Or, if the bubbles are very large, they

may literally be dirty bubbles.

Simulations of the growth of a dust grain, in which the atoms get attached to the dirt rather few

at a time [31], show that the dust grain easily develops to have a lower Hausdorff dimension than a

compact dust ball would have. The dust could easily be more like a little surface or some stringy

network structure. The growth of a dust grain and the development of its fractal dimension in such
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Figure 6: Results of simulations of dust grains growing by adding single atoms or molecules [31] suggest

that the Hausdorff dimension can become low of the order 1 or 2.

a simulation is given in Figure 6 . An example of such a fractal cosmic dust grain built up from

1024 monomers [32] is given in Figure 7.

We expect that such a dust grain would collect on top of one of our dark matter pearls, which

in itself is very much like a seed atom. We may illustrate that in Figure 8 by drawing our little pearl

as a bubble of new vacuum inside the dust grain. If the grain size is 0.1`< and the bubble size is

1=< = 0.001`<, then the bubble is about 100 times smaller than the dust grain. But now if we

should seek to implement the ideas of adjusting the tension in the domain walls to make it possible

for the domain walls to take over the role of the cosmological constant, we should take somewhat

larger bubbles in the middle and the dust grain would not be so much larger than the bubble of the

second vacuum.

8. Achievements

Important achievements of our model:

• Explains that only DAMA “see” the dark matter by the particles interacting so strongly as to

be quite slow and unable to knock nuclei hard enough to make observable signals. Instead
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Figure 7: Picture of a fractal cosmic dust grain constructed from 1024 monomers [32]. The mentioned

lower Hausdorff dimensionality of the dust grains - if say one dimensional - would mean that the dust grain

is really more like some knot of strings of molecules than a pearl.

Figure 8: Our dark matter particle is a bubble with a dust grain round it. The bubble is supposedly much

heavier than the dust grain.

the DAMA signal is explained as due to emission of electrons with the “remarkable energy

of 3.5 keV” from pearls in an excited state.

• The characteristic frequency of electron or photon emission by the dark matter particles is

due to a homolumo gap in the material inside the bubble of the new vacuum. This gap should

be equal to the 3.5 keV.

• We have made a rather complicated calculation of what happens when the bubbles - making

up the main part of the dark matter particle - hit each other and the surface/skin/domain wall

contracts and how one gets out a part of the energy as 3.5 keV X-rays [14]. We fit with one

parameter both the very frequency 3.5 keV, and the overall intensity of the corresponding
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Figure 9: Illustration stressing that the pole peak in the ideal NFW-distribution at the centre of a galaxy,

which is what truly only gravitationally interacting dark matter should form, is phenomenologically not quite

as sharp as it should be. This could reveal self interaction of dark matter SIDM as in Correa’s fits.

X-ray line observed from galaxy clusters etc. The production mechanism gives an intensity

proportional to the dark matter density squared and we use the results of the analysis of Cline

and Frey [29] whose model shares this property.

• We explain why - otherwise mysteriously - the 3.5 keV line was seen by Jeltema and Profumo

[30] from the Tycho supernova remnant and probably also explain problems with the Perseus

galaxy cluster 3.5 keV observations. This is by claiming the excitation of the bubbles comes

from cosmic radiation in the supernova remnant. After the workshop we now tend to think

that it is not the cosmic rays, but rather hot atoms that are most important. Cosmic rays would

survive so long that they would make embarrassingly high intensities for the 3.5 keV line

from say the supernovae in the Milky Way Center.

• According to expectations from ideal dark matter that only interacts essentially by gravity,

there should be e.g in a dwarf galaxy a concentrated peak or cusp of dark matter (the NFW

distribution [33]), but that seems not to be true. The inner density profile rather seems to be

flat as expected for self-interacting dark matter [34], as illustrated in Figure 9. Correa [5]

can fit the dwarf galaxy star velocities by the hypothesis that dark matter particles interact

with each other with a cross section over mass ratio increasing for lower velocity, as shown

in Figure 1. We fit the cross section over mass velocity dependence of hers. But we need a

“hardening ” of the dust around the bubbles.

We have already seen in Figure 1 how the inverse darkness f
"

of the dark matter varies with
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Figure 10: The mountains above the Gran Sasso laboratories.

velocity roughly in the way that it stands at about 15<2/:6 up to velocities of the order of

220 km/s. For higher velocity it begins to fall and becomes so small that one mainly has

upper bounds for f
"

for velocities present in the interior of big galactic clusters.

9. Impact

We imagine that the dark matter pearls lose their dust grain in the atmosphere or at least, if not

before, by the penetration into the earth shielding and that they at the same time get excited by means

of the energy of the braking of the pearls. For a very small number of the pearls this excitation

energy gets radiated first much later when the pearl has passed through the earth shielding to the

underground detectors (see Figure 10), so as to deliver X-ray radiation with just the characteristic 3.5

keV energy per photon. The energy is delivered we guess by electrons or photons. Thus experiments

like the xenon experiments do not “see” it when looking for nucleus-caused events. Only DAMA,

which does not notice if it is from nuclei or from electrons, does not throw electron-caused events

away as something else.

The dark matter pearls come in with high speed (galactic velocity), but get stopped down to a

much lower speed by interaction with the atmosphere and the shielding mountains, whereby they

also get excited to emit 3.5 keV X-rays or electrons.

9.1 The Xenon experiments versus DAMA Contradiction

The really most mysterious result is that the xenon-based experiments do not “see” the dark

matter, while DAMA “sees” it1. We want to explain the seemingly severe contradiction on Figure

11 of 5 orders of magnitude say: the DAMA-LIBRA experiment see per kg roughly 105 times more

than the upper limits for the best xenon experiments. Compared to LUX it may only be a factor 103

say, but even that is a severe contradiction.

Our explanation should be that our dark matter bubble or pearl falls through the xenon ex-

periment containers with liquid xenon essentially by free fall while they move much slower in the

solid materials, especially the sodium iodide NaI. But in order to avoid the seasonal variation being

1We note that the ANAIS experiment has failed to see an annual modulation with NAI(Tl) scintillators and their

results [35] are incompatible with the DAMA-LIBRA results at 3f .
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Figure 11: Upper limits on the dark matter nucleon cross section as a function of the dark matter mass from

various direct detection experiments. The lilac region in the top right of the plot corresponds to the DAMA

data interpreted as due to WIMPS, with a cross section of f = 10−402<2. However in the same mass region

of order 10 GeV the limits from some of the xenon experiments go down to 10−442<2 or 10−452<2, i.e. about

5 orders of magnitude in contradiction with DAMA.

smeared away, the pearls have to come the 1400 m down to the experiments in less than a year. So

the velocity on the average down through the mountain has to be at least

Sinking velocity EB8=: ≥
1400<

H40A
(5)

=
1400<

31556926B
(6)

= 4.4 ∗ 10−5</B. (7)

This is to be compared with the velocity, which a pearl of dark matter achieves in free fall inside

the tank with the fluid xenon making up the typical xenon experiment. Since the acceleration at the

Earth’s surface is 9.8</B2, the velocity reached in a tank of depth 3 is given as

E 5 0;; ≈
√

3 ∗ 9.8</B2 (8)

= 3</B (for e.g 3 = 1< big tank) (9)

This velocity in the essentially free fall in the fluid can reach up to be of order 105 times larger than

the 4.4 ∗ 10−5</B needed to ensure the pearls come down within a year.

It must though be said here that if we want the pearls to pass through the shielding somewhat

faster than in a year then one should expect to see something soon in the xenon experiments. Now,
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however, what the xenon experiments looked for was a nuclear collision, and they at first sorted

away the electron events. Their limits for electron events are much less strong and thus there is

indeed no contradiction as yet, provided that we believe the story of pearls being stopped by the

shielding and released again when coming to the fluid.

This means that indeed the slowed down particle idea could solve the otherwise extremely

difficult problem of resolving the apparent contradiction between the DAMA-LIBRA experiment

and the xenon ones!

In article [4] the XenonnT collaboration rechecked the “electron recoil excess” previously

observed in the Xenon1T experiment, and found that there was no effect signalling anything strange

any more. Compared to the old results [3] we can roughly say that the number of events in one

bin went down so that a previous excess of 30 �E4=CB/(C ∗ H ∗ :4+) becomes an upper limit of

say 10 �E4=CB/(C ∗ H ∗ :4+) and another bin went even less down. With the original - now to be

considered wrong - measurement we found [18] that there was a need for the faster passage through

the liquid xenon than through the DAMA NaI by a factor 250 in order to diminish the rate of electron

observation per kg. In other words we needed that the pearls of dark matter spend per kg a factor 250

shorter time in the liquid xenon than in the NaI. Now we see that this factor 250 is not enough but

should be increased by a factor corresponding to the decrease from the 30 �E4=CB/(C ∗ H ∗ :4+) to

the 10 �E4=CB/(C ∗ H∗ :4+) in one bin. Already the next most important bin is much less significant,

and we shall crudely estimate that adding the two bins would mean the effect went down by a factor

of 4 just to be on what is now the upper limit. So the upper limit on the signal in XenonnT is

4 ∗ 250 = 1000 times smaller than the signal in the DAMA-LIBRA experiment.

If we say, for illustration, that the free fall velocity in the xenon experiments is 3m/s, then the

speed through the NaI in DAMA-LIBRA needs to be 1000 times slower, so that the time spent in

a region of a kg in DAMA-LIBRA becomes 1000 or more times longer than the corresponding

time spent in a region of a kg in the liquid xenon experiments. In order to achieve this the velocity

through the NaI or similar solids should be
3</B
1000

= 3<</B. In this case the time taken to pass down

through the earth shielding will be

“Passage time”>= ;8<8C ≈
1400<

3<</B
(10)

= 4.2 ∗ 106B =
4.2 ∗ 106B

3.1 ∗ 107H/B
(11)

= 1.3 ∗ 10−1H (12)

= 1.5<>=Cℎ (13)

So our model is a bit in tension with the DAMA results. Namely it suggests that the time of

year for the maximal signal from the dark matter observation in DAMA should be shifted to be a

bit later - by 1.5 month - than the time of year estimated from the astronomical expectation of the

motion of the rest system of the dark matter in the neighbourhood of our solar system.

10. How much available dust?

We would like to get an estimate from the various types of matter available in the Universe as

to how much dust can be afforded to settle on the dark matter bubbles. This will provide a check
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of our ideas by comparing with the inverse darkness ratio f
"

in the limit of low velocity, where

one would expect the dust to play the dominant role in the case that the dust grain is larger than the

proper bubble.

Let us begin by reviewing the amounts of matter of the different types available in the Universe:

• 27% dark matter (while 68% of a form of energy known as dark energy, and 5 % ordinary

matter).

• The elements heavier than hydrogen and helium make up of order 2% of ordinary matter and

are known as "metals”. Oxygen is the most abundant "metal" making up about 1%, carbon

about 0.5% and iron down to 0.1% The comoving density of these "metals” together [36] is

"metal” density ≅ 5.0 ∗ 106"⊙"?2−3 (14)

= 3.7 ∗ 10−31:6/<3. (15)

10.1 Inverse Darkness f
"

Using the atomic radii we can calculate the cross sections for the following atoms:

Hydrogen H: A� = 25?< ⇒ f� = cA2
� = 1963?<2 (16)

Helium He: A�4 = 30?< ⇒ f�4 = c ∗ A2
�4 = 2827?<2 (17)

Carbon C: A� = 70?< ⇒ f� = c ∗ A2
� = 15394?<2 (18)

Silicon Si: A(8 = 110?< ⇒ f(8 = c ∗ A2
(8 = 38013?<2 (19)

Using that one atomic unit 1D = 1.66 ∗ 10−27:6 we get for the inverse darkness ratios f
"

for

the atoms mentioned:

Hydrogen H:
f�

1D ∗ 1.66 ∗ 10−27:6/D
= 1.18 ∗ 106<2/:6 (20)

Helium He:
f�4

4D ∗ 1.66 ∗ 10−27:6/D
= 4.26 ∗ 105<2/:6 (21)

Carbon C:
f�

12D ∗ 1.66 ∗ 10−27:6/D
= 7.73 ∗ 105<2/:6 (22)

Silicon Si:
f(8

28D ∗ 1.66 ∗ 10−27:6/D
= 8.18 ∗ 105<2/:6 (23)

In a dust grain the atoms will typically shadow each other and thus this ratio “the inverse

darkness” will be smaller than if the atoms were all exposed to the collision considered. If we

denote the average number of atoms lying in the shadow of one atom by “numberthickness” we will

have for the ratio for the full grain say

f

"
|6A08= =

f
"
|0C><

“numberthickness”
(24)

If the dust grain has a fractal dimension 2 or less there is no shadowing and the parameter "num-

berthickness” = 1.
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If we insert in the grain a mass-wise dominating bubble, the whole object will of course get a

smaller ratio due to the higher mass,

f

"
|2><?>B43 =

f

"
|6A08= ∗

"6A08=

"
, (25)

where " is the mass of the bubble or, if it dominates the whole composite object, the dark matter

particle.

On the average of course the mass ratio
"6A08=

"
of the dust around the bubble and the bubble

itself can never be bigger than the ratio of the amount of dust-suitable mass to that of the dark

matter in the Universe. So noting that the grain should largely be made up of the elements heavier

than helium, the so-called “metals”, and that these make up only of the order of 1% of the ordinary

matter which again is only about 1/6 of the mass of the dark matter, we must have

"6A08=

"
≤ 1%/6 = 1/600. (26)

But really of course not all the “metal” has even reached out to the intergalactic medium, let alone

been caught up by the dark matter. So we expect an appreciably smaller value for this ratio of

dust caught by dark matter relative to the dark matter itself. Taking 7 ∗ 105<2/:6 as the typical
f
"
|0C>< for dust-suitable atoms and using the so to speak simplest “equilibrium” value for

"6A08=

"

by combining equations (25, 26) and using “numberthickness” = 1, we get

First estimate:
f

"
≈

7 ∗ 105<2/:6

600
(27)

= 1.2 ∗ 103<2/:6 = 1200<2/:6. (28)

In earlier papers we have already used the dark matter self-interaction in the low velocity limit

extracted from Correa’s fit to the dwarf galaxy data shown in Figure 1 to give

f

"
|E−−>0 = 15<2/:6. (29)

So our first estimate comes out about a factor 100 over the observed value. However the dust on the

dark matter was collected in a much earlier era than today, at least at first.

We now wish to use a crude estimate of the amount of dust that might pile up around a dark

matter bubble with a given velocity during the evolution of the Universe. There are two important

effects to be taken into account. First of all the metal density was higher in the past due to the

reduction in the “radius" of the Universe by a factor (1 + I)−1 where I is the red shift. Secondly the

metallicity was lower in the past and we use the linear fits of De Cia et al. [37] to its z dependence in

our estimate of the rate of collection of metals by our pearls. We hence find that the most important

time for the rate of collection of metals corresponds to I = 3.3, when the age of the Universe was

1.52 milliard years. At this time the rate of collecting metals for a given velocity was about 8.4

times bigger than if using the present metallicity and density. So we might crudely estimate the

amount of dust then being collected by using an effective metal density of

“metal density”4 5 5 = 3.71 ∗ 10−31:6/<3 ∗ 8.4 (30)

= 3.1 ∗ 10−30:6/<3 (31)

= 1.7 ∗ 10−3�4+/22/<3. (32)

17



Dusty Dark Matter Bubbles, X-rays Holger B. Nielsen

The metallicity at that time [37] was a factor 10−1 times the one today. So the factor 1/600

in equation (26) for the “metals” accessible to be caught by the composite dark matter particle

becomes

"6A08=

"
= 1%/6/10 =

1

6000
. (33)

So taking f
"
|0C>< = 7 ∗ 105<2/:6 for the atoms of dust and assuming all the accessible "metals”

are caught by our dark matter pearls, we obtain our estimate for the inverse darkness of the dark

matter particle composed with a dust grain of dimension 2 or less:

f

"
|2><?>B43 =

f

"
|6A08= ∗

"6A08=

"
(34)

= 7 ∗ 105<2/:6/6000 (35)

= 1.2 ∗ 102<2/:6. (36)

This is of course really an upper limit for the inverse darkness, as not all of the "metal” will have

been caught up by the dark matter.

Our estimated ratio

f

"
|2><?>B43 = 120<2/:6, (37)

is actually one order of magnitude larger than the value extracted from the dwarf galaxy data

f

"
|�>AA40,E→0 = 15<2/:6. (38)

This can be considered as a success for our model.

We now consider whether there is enough time to collect up so much dust. For orientation we

could first ask how much metal-matter at all could be collected by a dust grain while already of the

order of 10−7< in size, meaning a cross section of 10−14<2, and with a velocity of say 300 km/s =

3 ∗ 105</B during an effective age of the universe of 1.52<8;;80A3 years = 4.8 ∗ 1016B. We obtain

“available “metals” ” 5 >A10−14<2,300:</B = 3 ∗ 105</B ∗ 4.8 ∗ 1016B ∗ 10−14<2 ∗ 3.1 ∗ 10−30:6/<3

= 4.4 ∗ 10−22:6 (39)

= 2.4 ∗ 105�4+, (40)

which is to be compared to what the mass of a (107<)3 large dust particle with say specific weight

1000:6/<3 would be, namely 10−18:6. So such a “normal” size 0.1`< dust grain could not collect

itself in the average conditions in the Universe.

However, if the grain to be constructed had lower dimension than 3, it would help because then

the cross section could be larger for the same hoped for volume and thus mass. Decreasing say

the thickness in one of the dimensions from the 10−7< to atomic size 10−10< would for the same

collection of matter give a 1000 times smaller mass. This would bring such a “normal size” grain

close to being just collectable in the average conditions in the Universe.

Our speculated stronger forces than usual due to the big homolumo gap would not help much,

because the grain cannot catch the atoms in intergalactic space which it does not come near enough

to touch.
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10.2 Size of Individual Dark Matter Particles

In the approximation of dark matter having only a gravitational interaction it is well-known

that only the mass density matters, whereas the number density or the mass per particle is not

observable.

With other than gravitational interactions one could hope that it would be possible to extract

from the fits in say our model, what the particle size should be. But the possibility for that in our

model is remarkably bad! The Correa measurement yields just the “inverse darkness” ratio

f

"
=

“cross section”

mass
(41)

Our earlier very crude estimate [18] for the rate of 3.5 keV radiation from dark matter seen by

DAMA was based on:

• The total kinetic energy of the dark matter hitting the Earth per <2 per B (but not on how

many particles).

• The main part of that energy goes into 3.5 keV radiation of electrons.

• Estimate of a “suppression” factor for how small a part of this electron radiation comes from

sufficiently long living excitations to survive down to 1400 m into the Earth.

None of this depends in our estimate on the size of the dark matter particles (provided it lies inside

a very broad range)!

If the dark matter particles were so heavy that the number density is so low that the observation

over an area of about 1<2 would not get an event through every year, then it would contradict the

DAMA data. The rate of dark matter mass hitting a square meter of the Earth is

Rate = 300:</B ∗ 0.3�4+/2<3 (42)

= 3 ∗ 105</B ∗ 5.34 ∗ 10−22:6/<3 (43)

= 1.6 ∗ 10−16:6/<2/B (44)

= 5 ∗ 10−9:6/<2/H (45)

Taking the DAMA area of observation ∼ 1<2 we need to get more than one passage per year and

thus

" ≤ 5 ∗ 10−9:6 (46)

= 3 ∗ 1018�4+. (47)

Using the bubble internal mass density as estimated from the 3.5 keV homolumo gap [18], this

upper bound implies that the bubble radius ' ≤ 10−7<.

If the bubble is small compared to the surrounding dust grain, then we would not expect the

development of the dust grain around the dark matter bubble to be so different from the dust grains

out in space not having any dark matter bubble in them. In Figure 12 we present the size distribution

for dust grains from a simulation for ordinary dust particles of small dust grain production in galaxies
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Figure 12: Simulated size distribution for dust grains.

[38]. We take a typical grain size of 10−7< say. Then using the low velocity limit f
"

= 15<2/:6

gives

" = (10−7<)2/(15<2/:6) (48)

= 7 ∗ 10−16:6. (49)

Such a 3 dimensional compact grain of dust has "numberthickness” ≃ 1000 atoms behind each

other. But if now the dust grain is 2 or lower dimensional, but keeping the mass of the compact

grain combined with f
"

= 15<2/:6, there is no shadowing and we obtain a 1000 times bigger

estimate for the total or say bubble mass:

" = 1000 ∗ 7 ∗ 10−16:6 = 7 ∗ 10−13:6 (50)

(for low dimensional dust of 10−7< size).

11. Summary Tables

In Table 1 we summarize the successes of our model and give a brief explanation of each item

below.

• 1. Dwarf Galaxies, inverse darkness: Assuming the dust grain around the second vacuum

bubble has a Hausdorff dimension of 2 or less and the ratio of the dust grain mass to that of

the whole dark matter particle to be given by the total amount of metals in the gases in the

space available relative to dark matter, we obtain (see equation 33)

"6A08=

"
= 1.6 ∗ 10−4. (51)
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Table 1: Successes

# & exp/th Quantity value related Q. value

1. Dwarf Galaxies

exp inv. darkness = 15<2/:6
"6A08=

"
2 ∗ 10−5

th = f
"
|E→0 120<2/:6 1.6 ∗ 10−4

2. Dwarf Galaxies

exp Velocity par. E0 220:</B 4A3DBC� 8.1 ∗ 1013:6/B2

th. with hardening 77:</B 4A3DBC� 1 ∗ 1013:6/B2

th. without hard. 0.72</B 4A3DBC� 400:6/B2

3. DAMA-LIBRA

exp 0.0412?3/:6 suppression 1.6 ∗ 10−10

th air 0.162?3/:6 6 ∗ 10−10

th stone 1.6 ∗ 10−52?3/:6 6 ∗ 10−14

4. Jeltema & P.

exp counting rate 2.2 ∗ 10−5?ℎB/2<2/B f
"
|) H2ℎ> 5.6 ∗ 10−32<2/:6

th 3 ∗ 10−6?ℎB/B/2<2 1% ∗ U ∗ f
"
|=D2;40A 8 ∗ 10−42<2/:6

5. Intensity 3.5 kev

exp # f
" 2 10232<2/:62 b 1/4

Δ+
0.6"4+−1

th 3.6 ∗ 10222<2/:62 0.5"4+−1

6. Two Energies

ast line 3.5 keV

DAMA av. en. 3.4 keV

This leads to our estimate of the low velocity inverse darkness for our pearls

f

"
|E=0,Cℎ = 120<2/:6, (52)

and should be compared to Correa’s value from her analysis of dwarf galaxies [5]

f

"
|E=0,4G = 15<2/:6, (53)

which would correspond to
"6A08=

"
| 5 8CC43 = 2 ∗ 10−5. (54)

• 2. Dwarf galaxies, velocity parameter: We seek to estimate the velocity scale at which the

inverse darkness f
"

as a function of velocity falls significantly. One seeks to estimate the

velocity E0 at which the colliding pearls pass so undisturbed through each other that the

bending of their paths would not disturb the motion of the pearls enough to influence the

effective interaction seen by say Correa. The first theoretical line marked “with hardening”

has assumed that the dust around the pearl has been influenced by the exceptionally large

homolumo gap in the bubble to become extremely much harder than normal dust. It therefore

keeps a large cross section up to a much higher velocity, 77:</B. The second theoretical line

has just used a more normal elastic modulus for the dust, and even at rather small velocities,

0.72</B and higher, the dust is just deformed and makes no effective bending of the motion

of the pearl.
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• 3. DAMA-LIBRA We estimate crudely the amount of kinetic energy in the dark matter

pearls being converted, assumed mostly into the excitation of the 3.5 keV electron mode,

during the stopping of the pearls in the atmosphere “air” or in the solid part of the earth

“stone”. Next one asks how much there would be per kg of matter in the earth if this energy

were smoothly distributed over a range of depths large enough to include the 1400 m deep

Gran Sasso laboratory. The amount of energy observed relative to this estimated available

amount is denoted “suppression” and taken to be small because there are several different

excitations (although with mainly 3.5 kev) of different life times. However the long life time

ones require a longer time to be excited, so that the “suppression” crudely becomes the ratio

of the excitation time available to the passage time down to the measurement place.

• 4. Jeltema and Profumo This item estimates the amount of 3.5 keV X-rays from the Tycho

supernova remnant, from which it was rather surprisingly observed by Jeltema and Profumo.

We estimate the amount of energy in the supernova remnant e.g. in the form of cosmic rays

and then believing that part of it hits the dark matter pearls and mainly goes into emission of

electrons. However a fraction of order the fine structure constant U of the excitation energy is

emitted as X-rays, which like the electrons is supposed to be mainly of the preferred energy

per particle 3.5 keV. We give a more detailed discussion of the Jeltma and Profumo results in

reference [15].

After the workshop we decided that it is probably collisions with hot atoms rather than cosmic

rays that are predominant in making the dark matter produce the 3.5 keV radiation. This is

because the cosmic rays would stay around so long as to make star formation regions like the

centre of our galaxy produce more 3.5 kev X-rays than are seen.

• 5. Intensity 3.5 keV In the model picture, that the bubbles of dark matter collide with one

another and unite under a common skin, which contracts and thereby delivers energy of

which an appreciable part is emitted as 3.5 keV X-rays, we estimate the overall intensity of

the expected 3.5 keV radiation. Cline and Frey [29] have already fitted the observed intensity

from various astronomical objects of this 3.5 keV line as being proportional to the square �2

of the density of dark matter �, from which one can extract what in our model is # f
" 2 . Here

# is the number of 3.5 keV photons expected in one dark matter dark matter collision, f the

cross section, and " the mass of a dark matter particle. It turns out that our intensity quantity
# f
" 2 and the very energy per photon (3.5 keV) are both obtained as functions of the same

parameter
b 1/4

Δ+
- essentially the Fermi momentum of the electrons in the bubble. So indeed

the two quantities “intensity” and “the 3.5 keV” are related and the values of the parameter
b 1/4

Δ+
given in column 5 for the two quantities turn out to agree. Δ+ is the binding energy of a

nucleon into the inside-phase of the vacuum, and b is the typical size of a dark matter pearl

relative to the “critical size” below which it would collapse.

• 6. Two Energies By this item we call attention to the remarkable fact that the 3.5 keV X-ray

line observed in astronomy, presumably from dark matter, has the same energy per particle

as the average energy of the events in the DAMA-LIBRA experiment having the seasonal

variation signalling that they are from dark matter.
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12. Addendum Since Workshop Held

We would like to pre-announce some of the progress we have made since the workshop and

which we hope to publish shortly:

• We have had some success assuming that the 3.5 keV X-ray radiation is not only produced

in collisions between two dark matter particles, but also when a dark matter pearl collides

with an appropriate piece of ordinary matter. Actually our speculation at present takes the

direction that, in the latter case, the major production of 3.5 keV X-rays should occur when

atoms of ordinary matter hit the dark matter. Then, namely, the atom can come with more

than 3.5 keV energy while the energy of the electron is still under this value, so that the

electron cannot penetrate into the bubble or even the hardened dust because its energy is

below the homolumo gap value. This should then mean that the electron would effectively

be strongly interacting with the dark matter pearl, while the atom still has sufficient energy

to excite the 3.5 keV line.

The contribution of the dark matter ordinary matter interaction dominates in three cases:

– The observation of the outskirts of the Perseus Cluster, which we previously dropped out

of our fit because it produced a couple of orders of magnitude more 3.5 keV X-rays than

estimated from the dark matter density squared. One shall have in mind that the dark

matter density in the Perseus Cluster falls off with radius faster than the ordinary matter

density, which is dominated by the so-called “X-ray gas”, consisting of intra-cluster

hot gas or plasma revealing itself by its X-ray emission. This X-ray gas is a very large

component of the ordinary matter.

– The Center of the Milky Way: Actually Jeltema and Profumo [30] claim that the

distribution of the 3.5 keV line from the Milky Way Center does not look at all like

coming from dark matter. If it reflects the distribution of both dark matter and ordinary

matter, the chance that it would vary in the way found observationally should be better,

since the ordinary matter is distributed in a somewhat complicated way.

– Of course from the dark matter theory point of view the mysterious observation of the

3.5 keV line from the Tycho supernova remnant can only be understood if some atoms

of ordinary matter with X-ray temperatures are present in the remnant and interact with

the dark matter.

We found that the ratios of these three different observations of 3.5 keV line production can

very crudely be compatible with a model of our type, having both dark + dark production and

dark + ordinary production.

12.1 Physics of the Vacuum Phases?

In 1998 Alford, Rajagopal and Wilczek proposed a new phase of QCD with “Color-Flavour

Locking” [6]. It was further argued that in matter with high baryon density [39, 40] there should

be a phase pattern with among other phases this color-flavour-locking one. In particular they found

that, for a density of the order of that in neutron stars, there was a tetra-critical phase meeting point
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which in reality would probably be shifted into a couple of triple points. Remarkably this critical

point occurred just for values of the strange quark mass and a common light quark mass (the heavy

quarks being ignored) close to the phenomenologically known ones! Provided this phase diagram

could be extrapolated to zero baryon number density, we could claim that these authors have already

found the phase(s) we hope for to produce our dark matter bubbles.

The phase diagram involving also the quark masses as parameters is the most important for

us, because we would like to claim that Nature via MPP would have fine-tuned the parameters, the

quark masses in this case, to just let the vacuum be on the borderline among several phases. In the

literature this phase diagram is known as the Columbia-plot [41], in which the abscissa is the mass,

assumed to be the same, for the two light quarks D and 3, while the ordinate is the strange quark

mass, the heavy quarks being ignored. The main property investigated in this plot is how raising the

temperature can cause phase transitions. In the lower left corner of the plot one has spontaneous

symmetry breaking of the chiral symmetry and a first order phase transition occurs as temperature is

raised. For larger quark masses, there is no true corresponding phase transition as the temperature

is raised, but instead just a rapid variation of thermodynamical quantities. Such a situation is called

a “crossover”. It is our dream to realize our MPP by the experimental quark masses lying just on

the curve separating off the mentioned lower left corner. This curve represents in the vacuum - i.e.

zero temperature - a second order phase transition. The Columbia plot from some time ago [42],

which we reproduce in Figure 13, has the physical point - meaning the experimental quark mass

combination - inside the region in the lower left corner as limited off by the phase transition curve.

However, Columbia plots from later lattice calculations mostly obtain this physical point lying in

the region with the “crossover” as in Figure 14 from reference [43]. However an article using a

technique of Ads/CFT correspondence type [44] also got the physical point inside the lower left

corner region, in spite of the lattice calculations putting it on the bulk side (i.e. with the crossover).

We are tempted to take this disagreement in the literature, as to even on which side of the (second

order) phase transition curve the physical point lies, as saying that the uncertainties are such that

one does not really know on what side this physical point lies. In fact that means then of course

that it is, within the errors, possible that the physical point - as we dream - lies just on the phase

transition curve.

12.1.1 What physics distinguishes the phases?

From the just mentioned hope for having a phase transition just at the physical quark mass

values, we would come to think that the phases meeting at the experimental couplings are phases

distinguished from each other just very little by the precise correlations between the Goldstone

boson (the pions and the other pseudoscalar mesons) fields in the different phases. In fact we

think one should imagine that in the phase in the lower left corner there is a significant correlation

between the Goldstone fields at neighbouring places more than just that the fields are lined up

corresponding to the chiral symmetry breaking direction; while in the phase in the region marked

“crossover” the correlations are closer to be only given by the quark masses. There will of course

still be correlations in the "crossover” phase, also between neighbouring regions, but they will be

smaller correlations of that type than in the left lower corner phase.

In later work we would hope to estimate the scale of distance at which the Nambu-JonaLasinio

spontaneous breakdown sets in, presumably it is order of magnitudewise given by 5c = 93"4+ .
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Figure 13: This plot is taken from reference [42], which used lattice calculations to find the phase transition

temperatures, and whether at this temperature there was a true phase transition or just a crossover. The phase

transition temperatures are associated to the points in the quark mass plane at which the temperature was

found by their lattice calculations. The plot has the common light quark mass on the abscissa and the strange

quark mass on the ordinate. They determined the physical point by looking for the correct meson masses,

and interestingly for us the ∗ denoting this physical quark mass combination is on the small quark mass side

of the second order phase transition curve, contrary to the next figure 14.
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Figure 14: Here is a 3-dimensional phase diagram [43] in which there is imposed a chemical potential `

for baryon number along the vertical axis, while at the bottom in perspective we see the usual Columbia plot

with the common u and d quark mass and the strange quark mass. The figure is based on the result that

the physical masses for the quarks are to the large quark mass side of the second order phase transition. If

however, as we hope for, the physical quark mass combination would be exactly on the second order phase

transition curve, then the QCD critical point on this figure would have moved down to the curve on the

vacuum surface at ` = 0.

Then we can understand that, when the Compton wavelengths of the pion and kaon are short

compared to the scale for the spontaneous breakdown, the sigma model fields will be specified

effectively alone by the quark masses at a short distance scale. When on the other hand the

Compton wavelengths for the quarks are long, then in first approximation we have a true spontaneous

breakdown and the quark masses only provide a weak force determining the direction of the breaking

of the chiral symmetry. In the latter case we expect a first order phase transition to a situation where

say due to higher temperature the spontaneous breakdown has disappeared. In the short Compton

wavelength situation, however, there is no true spontaneous breaking, because there is all the time a

state kept with the same orientation of the breaking even rather locally, and thus we only expect the

crossover phase. As 5c and say the average mass for the three light quarks are not much different,

our speculation of the phase transition along the second order curve just coinciding with the physical

quark masses is not excluded.

In early work by Learmann and Philipsen [45], they directly admit that they do not know on

what side of the second order phase transition the physical point lies by putting question marks on

their Columbia plot; see Figure 15. So we believe that it is not overly optimistic to suggest that

some different phases in QCD really can exist if the quark masses just take the appropriate values,

and that these values are indeed very close to the experimental quark masses.
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Figure 15: Here Learmann and Philipsen have left question marks to tell that they did not know on what

side of the second order phase transition the physical combination of quark masses lie. The right hand figure

shows the second order phase transition determined from their lattice simulations with the lattice constant

multiplied by the relevant quark mass along the axes.

If this is how our speculated phases come about then the scale of this physics is surely the

strong interaction scale, say 0.4 GeV or so. However, we should probably take into account the very

small difference in the correlations between the different phases which we suggested above. We

would then expect that compared to a simple dimensionality argument - giving say 0.4 GeV as the

scale - the tension ( will be exceptionally small. So instead of expecting the cubic root (1/3 to be

0.4 GeV, we expect it to be somewhat smaller.

12.1.2 What Tension did we get in our Dark Matter Fitting?

Now partly because, for dimensional reasons, we must consider the cubic root (1/3 and partly

because the mass of course goes as the cube of the linear distance scale, the mass " of our dark

matter pearls depend on the ninth power of this cubic root (1/3 of the tension. Thus putting in cubic

roots of the tension only deviating by one order of magnitude we get masses deviating by 9 orders

of magnitude. Thus our prediction of the mass " from the order of magnitude estimate of (1/3

taken to be of the strong interaction energy scale allows a rather large range of masses; for example

(1/3
= 1�4+ ⇒ " = 24 :6 (55)

while (1/3
= 100 "4+ ⇒ " = 2.4 ∗ 10−8 :6 (56)

and (1/3
= 10 "4+ ⇒ " = 2.4 ∗ 10−17 :6 = 1.4 ∗ 1010 D. (57)

Here u ∼ GeV is the atomic unit.
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The " = 2.4 ∗ 10−8 :6 value would correspond to about 3000 km between the pearls in the

solar system region, while " = 24 :6 would lead to a 1000 times longer distance, i.e. 3 million

km between the pearls. To reach the mass required for making the DAMA experiment see enough

separate particles, given above as the mass " ≤ 5 ∗ 10−9:6 = 5 `6, requires an (1/3 value less

than the 100 MeV in equation (56) by a factor of the ninth root of 4.8, which means 84 "4+ . This

84 "4+ is thus the upper limit to the “strong interaction scale” allowed for our model to work.

However, as already suggested, the weakness of the phase transition probably leads to a somewhat

low tension and reaching down below 84 MeV should be possible.

12.1.3 Getting Rid of Cosmological Constant and Replacing by Domain Walls

In the article about our dark matter in the next workshop [20] on “ Tensions in Cosmology”,

we calculate that one has the possibility of getting rid of the cosmological constant and effectively

replacing it by domain walls. To achieve this modification of cosmology we need roughly

(1/3 ∼ 30 "4+, (58)

which fits well as a diminished strong interaction scale less than the more conventional 0.4 GeV, as

well as with the requirement of it being less than 84 MeV.

This tension corresponds to a mass of our dark matter bubbles of " ∼ 10−12 :6 ∼ 1015 �4+ .

13. Conclusion

We have again presented and developed our long-standing model for dark matter as macroscopic

composites of ordinary matter kept together and concentrated by means of a new type of vacuum -

another phase of the vacuum. We think that our model solves some problems that are very difficult

for other models and, in addition, has some good order of magnitude agreements suggesting that

our model could be on the right track. For example, the most mysterious fact that DAMA-LIBRA

have seemingly seen the dark matter while several Xenon based experiments do not - even with

significantly more sensitivity - see it. We suppose dark matter is something moving through the

apparatuses with a speed quite different for a solid NaI detector as in DAMA-LIBRA, where the

dark matter pearls can get stopped and thus spend more time in the apparatus, than in the fluid

xenon apparatuses, where they will fall quickly through. Another achievement of our model is that,

because it is so difficult e.g. to see new vacua, we have essentially no new physics and can thus

cope with the fact that LHC has seen nothing of the dark matter. Since the workshop we have even

speculated about the so-called Columbia plots, which suggest some phase transitions as a function

of the quark masses. If our speculations were established, we would really have the chance to avoid

LHC having had to see anything concerning the dark matter - our model can so to speak live with

no new physics.

We now list a series of comments about our model:

• We have put forward a model for dark matter consisting of nm size bubbles of a new vacuum

with a mass inside of 2∗10−15:6 ∼ 1012 �4+ and, apart from this vacuum speculation, using

only the Standard Model. (But recently we got the idea that, if one wants to change cosmology

by avoiding the dark energy and thus putting the cosmological constant to zero, there is a
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chance of getting approximately the same effects from domain walls on the borderlines of the

different vacua. This requires though that the pearls become bigger. In such a case the size

of the bubble should be of the order of 10−8 m, rather than the nm size we believed at the

time of the workshop in Corfu 2022.)

• The low velocity interaction of the dark matter particles in outer space - especially in dwarf

galaxies, where Correa estimated it - is given by a dust grain sitting around the pearl of the

new vacuum. Using the relative amount of “metals” to dark matter as also giving the ratio of

the masses of the grain of dust to the dark matter in the dark matter particles, we get only an

order of magnitude deviation from the low energy “inverse darkness” estimated by Correa:

f

" E−−>0
= 120<2/:6 against Correa:

f

" E−−>0
= 15<2/:6. (59)

• Because of having lesser darkness than ideal dark matter (which has only gravitational

interactions) - i.e. larger inverse darkness f
"

∼ 10−3<2/:6, even after blowing off the

attached dust grain, than the “usual” WIMPs - our dark matter particles get slowed down in

the atmosphere. This explains why the Xenon-experiments, which only look for nuclei recoil

events when expecting dark matter, do not see any dark matter giving nuclei.

• The highly compressed “ordinary matter ” (in the new vacuum) inside the bubble has,

compared to usual chemistry, a very high energy gap - homolumo gap - between the highest

filled state, HOMO, and the lowest unoccupied state, LUMO, speculated to be just 3.5 :4+ .

This leads to the dark matter bubble having a “preferred” emission energy for photons and

electrons given by the gap height 3.5 kev.

• It is this emission of 3.5 keV electrons (and photons) after excitation of the “ordinary” material

inside the bubble, which we suppose is observed by DAMA.

• It is a remarkable accident supporting our model that the direct observation at DAMA-LIBRA

and the X-ray radiation observed from galaxy clusters and galaxies supposedly coming from

dark matter both have the average energy per event of 3.5 keV.
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Abstract

We study the impact of renormalization group effects on QCD axion phenomenology. Focusing on the DFSZ model, we argue that
the relevance of running effects for the axion couplings crucially depends on the scale where the heavier Higgs doublet, charged
under the Peccei-Quinn symmetry, is integrated out. We study the impact of these effects on astrophysical and cosmological bounds
as well as on the sensitivity of helioscopes experiments such as IAXO and XENONnT, showing that they can be sizable even in the
most conservative case in which the two Higgs doublets remain as light as the TeV scale. We provide simple analytical expressions
that accurately fit the numerical solutions of the renormalization group equations as a function of the mass scale of the heavy scalars.
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1. Introduction

Axions are an intrinsic prediction of the Peccei-Quinn (PQ)
mechanism [1, 2], which remains, after over four decades, the
most appealing solution to the strong CP problem. This prob-
lem arises because Quantum Chromodynamics (QCD) predicts
CP violating effects that are not observed experimentally. The
PQ mechanism involves a new global chiral symmetry U(1)PQ,
which is anomalous under QCD and spontaneously broken at
a large energy scale fa (PQ scale). The axion is the Nambu-
Goldstone boson associated with the spontanous breaking of
this symmetry [3, 4], and is characterised by the fact that all
its interactions are inversely proportional to fa. Although the
original Weinberg-Wilczek model [3, 4], in which the scale
of PQ breaking coincides with the electroweak (EW) symme-
try breaking scale, was quickly ruled out, new viable models

emerged early on, in which the PQ scale can be arbitrarily high
so that all axion interactions can be sufficiently suppressed,
yielding the so-called invisible axion. Two examples are par-
ticularly appealing for their simplicity: the KSVZ or hadronic
axion [5, 6] and the DFSZ axion [7, 8]. The main difference
between KSVZ and DFSZ-type axions is that the former do not
couple to ordinary quarks and leptons at the tree level. Though
many other possible axion models have been considered in the
literature (see Ref. [9] for a comprehensive overview), the two
above-mentioned models are by far the most studied ones and
are universally regarded as benchmark QCD axion models. In
recent years continuous progress in experimental technologies
has brought within reach the possibility of detecting in terres-
trial experiments the invisible axions arising in these models.
This has stimulated a tremendous interest in this field, with sev-
eral new theoretical and phenomenological studies, as well as a
wealth of new experimental proposals (see [10, 11] for recent
reviews). In the meanwhile, ongoing experiments have already
started to probe the benchmark KSVZ/DFSZ axion models, and
in the coming decades they will dig deep into the relevant pa-
rameter space region. From the theory side, this calls for the
development of “precision axion physics”, which will turn out
to be crucial in the case of an axion discovery. Indeed, from a
given determination of the low-energy axion couplings to pho-
tons and other matter fields (such as electrons and nucleons)
one would like to infer the structure of the high-energy theory,
that is the ultraviolet (UV) completion of the axion effective
field theory (EFT). This step is highly non-trivial, since it en-
tails a large separation of scales, from the typical low-energy
scale of axion experiments up to the PQ scale, fa & 108 GeV.
Hence, axion related physical quantities, as for example the
axion couplings to Standard Model (SM) fermions, are poten-
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tially affected by large radiative corrections, which can induce
large deviations from the tree-level expressions. In the case
of the KSVZ model, it was pointed out long ago [12, 13] that
although the axion coupling to electrons is zero at tree level,
a non-zero electron coupling can be sourced via loop correc-
tions by the axion-photon coupling and, more recently, it was
shown that the leading correction to this coupling is gener-
ated at even higher orders via the anomalous axion coupling
to gluons [14]. Nowadays, the full one-loop anomalous di-
mensions for the d = 5 axion effective Lagrangian have been
computed [15–17], while running effects have been investigated
for the benchmark DFSZ/KSVZ axion models in Ref. [14], and
for the so-called astrophobic axion models (which feature non-
universal PQ charges [18, 19]) in Ref. [20].

The purpose of this work is to study QCD axion phenomenol-
ogy in light of renormalization group (RG) effects, focussing
for definiteness on the mass window ma ∈ [meV, eV]. This
region of parameter space shows a remarkable complementar-
ity among the existing bounds on the different axion couplings,
namely to photons, electrons, nucleons and pions, stemming
from helioscope searches, as well as from astrophysics and cos-
mology. It is therefore an ideal playground where to investi-
gate the consequences of running effects for QCD axion phe-
nomenology. In particular, we will focus on the large correc-
tions induced by the top Yukawa coupling, which apply to a
large class of axion models where the SM fermions are charged
under the U(1)PQ symmetry. A paradigmatic example is the
universal DFSZ model, which features two Higgs doublets and
one SM singlet scalar, and whose axion parameter space at tree
level depends solely on ma and tan β. However, top-Yukawa ra-
diative corrections induce a logarithmic dependence of the ef-
fective axion couplings on the mass scale of the heavy scalar
degrees of freedom of the two Higgs doublet model (2HDM)
that can range from about 1 TeV up to the PQ scale, fa. As we
shall see, these corrections are often large and may skew the
parameter space region that is effectively probed by terrestrial
experiments and by astrophysical/cosmological observations.

The paper is organized as follows. In Sect. 2 we discuss the
structure of top-Yukawa radiative corrections, and we provide
approximate analytical expressions for the dependence of the
axion couplings on these corrections. Sect. 3 is devoted to study
the impact of running effects on QCD axion phenomenology,
including the consequences for astrophysical and cosmological
limits as well as for the sensitivity of future axion experiments.
We conclude in Sect. 4. Details on the solutions to the RG
equations are provided in Appendix A.

2. Running QCD axion couplings

Of central interest for axion phenomenology are the axion
couplings to photons and matter fields (electrons, nucleons, as
well as other hadrons relevant for axion production). They are

defined by the following interaction Lagrangian:

La = Cγ
α

8π
a
fa

FµνF̃µν +
∑

f =p, n, e

C f
∂µa
2 fa

fγµγ5 f

+ Cπ

∂µa
fa fπ

(2∂µπ0π+π− − π0∂µπ+π− − π0π+∂µπ−)

+ CπN
∂µa

2 fa fπ
(iπ+ pγµn − iπ−nγµp)

+ CN∆

∂µa
2 fa

(
p ∆+

µ + ∆+
µ p + n ∆0

µ + ∆0
µ n

)
+ . . . , (1)

where Fµν denotes the electromagnetic field strength, F̃µν =
1
2 εµνρσFρσ (with ε0123 = −1) its dual, f = p, n, e runs over
low-energy matter fields, and Cγ, f , π, πN,N∆ are O(1) dimension-
less coefficients. The axion-pion coupling in the second line of
Eq. (1) (with fπ = 92.1(8) MeV [21] the pion decay constant)
is of phenomenological relevance for thermal axion production
in the early Universe, while the axion contact interactions with
pions and nucleons (third line) and with ∆-resonances (fourth
line) are important for axion production in Supernovae (SNe).
The ellipses stand for other possible axion interaction terms
which will not be considered in this paper.

In the context of axion phenomenology, one usually employs
the dimensional couplings gaγ = α

2π Cγ/ fa and ga f = C f m f / fa.
In particular, Cγ = E/N − 1.92(4), where E/N is the ra-
tio between the electromagnetic and QCD anomalies of the
PQ current (for typical values in concrete axion models, see
e.g. [22, 23]). Note that the anomalous axion-photon cou-
pling is insensitive to running effects, being one-loop exact.
Moreover, threshold corrections to gaγ are safely negligible for
ma � me since they scale as (ma/me)2 – see e.g. Ref. [24].
Hence, in the following, we will only focus on radiative correc-
tions to the axion couplings to electrons and hadrons.

Axion-hadron interactions can be expressed in terms of the
model-independent axion gluon coupling (which fixes the ab-
solute normalization in terms of fa) and the axion coupings to
quark fields, q = u, d, s, c, b, t, defined via the Lagrangian term1

Cq
∂µa
2 fa

qγµγ5q . (2)

In terms of the latter, the axion couplings to hadrons defined in
Eq. (1) read (see e.g. [9, 25–27])

Cp = Cu∆u + Cd∆d + Cs∆s −

(
∆u

1 + z
+

z ∆d

1 + z

)
, (3)

Cn = Cd∆u + Cu∆d + Cs∆s −

(
z ∆u

1 + z
+

∆d

1 + z

)
, (4)

Cπ = −
1
3

(
Cu −Cd −

1 − z
1 + z

)
, (5)

CπN = −
3
√

2
Cπ , CN∆ =

3
√

3
2

Cπ gA , (6)

1In this work we focus on universal axion models, so that the axial-vector
currents in Eq. (2) are flavor diagonal. However, as long as the PQ charges
of different generations are not hierarchical, most of the considerations related
to top-Yukawa running effects, to be discussed below, apply as well to non-
universal axion models (see e.g. Ref. [20]).

2



where Cu, d, s = Cu, d, s(2 GeV) are low-energy couplings eval-
uated at the scale µ = 2 GeV by numerically solving the RG
equations from the boundary values Cu, d, s( fa) (see below),
∆u, d, s denote the nucleon matrix elements of the quark axial-
vector currents. In particular, gA ≡ ∆u − ∆d = 1.2754(13)
from β-decays [21], ∆u = 0.847(18)(32), ∆d = −0.407(16)(18)
and ∆s = −0.035(6)(7) (at 2 GeV in the MS scheme) are the
N f = 2 + 1 FLAG average [28], that is dominated by the re-
sults of [29], and z = mu(2 GeV)/md(2 GeV) = 0.49(2) [30].
Combining lattice values with the high-precision determina-
tion of gA, we obtain the weighted averages ∆u = 0.858(22),
∆d = −0.418(22) and ∆s = −0.035(9).

Running effects on the low-energy couplings of the axion
to first generation SM fermions can be parametrized as2 (see
e.g. [14])

Cu(2 GeV) = Cu( fa) + ∆Cu , (7)
Cd(2 GeV) = Cd( fa) + ∆Cd , (8)

Ce(me) = Ce( fa) + ∆Ce , (9)

with

∆CΨ ' rt
Ψ(mBSM) Ct( fa) , (10)

and Ψ = u, d, e. The parameter rt
Ψ

(mBSM) encodes the RG cor-
rection approximated by taking only the top-Yukawa contribu-
tion, and depends logarithmically on the parameter mBSM '

mH, A,H+ that denotes collectively the mass scale of the heavy
scalar degrees of freedom (we implicitly assume for the heavy
modes of the scalar doublets the decoupling limit [31], in which
all the heavy masses are approximately degenerate). The mBSM
scale depends on the structure of the DFSZ scalar potential (see
e.g. [32, 33]) and we take it to range from about 1 TeV (the ap-
proximate lower bound as set by LHC searches for new heavy
scalars) up to fa.

Note that as long as the couplings are considered at a renor-
malization scale µ above mBSM there are no top-Yukawa run-
ning effects. This is because in this regime the axion couplings
to the SM fermions correspond to the global charges of the PQ
current, which is classically conserved, and thus they do not
renormalize. For µ < mBSM we enter a different regime, in
which Higgs doublets with different PQ charges mix to give
rise to heavy scalars (which are integrated out) and to the light
Higgs, that has no well-defined charge. In this effective theory
there is no more a conserved PQ current, and running effects
for the axion-fermion couplings can kick in. This is the rea-
son why the largest RG effects appear when the BSM scale is
taken at the largest possible scale mBSM ∼ fa. Contrary, when
the 2HDM structure keeps holding all the way down to the TeV
scale, running effects are much less sizeable.

In Appendix A we provide a fit to rt
Ψ

(mBSM) obtained
by interpolating the numerical solution to the RG equations
(cf. Eqs. (A.7)-(A.8) and Tab. A.4). Taking, for instance,

2In universal axion models the same corrections apply to each generation.

mBSM = fa = 1010 GeV one finds

Cu(2 GeV) ' Cu( fa) − 0.264 Ct( fa) , (11)
Cd(2 GeV) ' Cd( fa) + 0.266 Ct( fa) , (12)

Ce(me) ' Ce( fa) + 0.265 Ct( fa) . (13)

2.1. Analytical understanding of RG running effects
To understand the phenomenological impact of the RG cor-

rections to the axion couplings, and to compare it with the cur-
rent experimental sensitivity, it is convenient to provide some
analytical approximations. To this aim, it is advantageous to
introduce the iso-scalar (C0) and iso-vector (C3) nuclear cou-
plings (see also [20]), defined as follows:

C0 =
1
2

(
Cp + Cn

)
=

1
2

(∆u + ∆d)(Cu + Cd − 1) − ∆sCs , (14)

C3 =
1
2

(Cp −Cn) =
gA

2

(
Cu −Cd −

1 − z
1 + z

)
, (15)

where the right-hand sides are obtained from the expressions for
Cp, n given in Eqs. (3)-(4). From Eqs. (5)-(6) we see that all the
other couplings are proportional to the iso-vector combination
C3: Cπ = − 2

3 g−1
A C3, CπN =

√
2 g−1

A C3, CN∆ = −
√

3 C3.
The RG correction to the iso-vector combination ∆C3 '

0.64 Ct( fa) (rt
u − rt

d) may be sizeable, with the exact value de-
pending on the mBSM scale. An excellent fit to the combination
rt

u − rt
d, for mBSM in the range 1 TeV to 1018 GeV, is given by

rt
u − rt

d ≈ −0.54 ln
(√

x − 0.52
)
, (16)

with x = log10(mBSM/GeV). This expression reproduces our
numerical results with a precision better than 2% (see Ap-
pendix A). Then, in the relevant range for mBSM, we have
0.3 . |rt

u − rt
d | . 1. Since in universal axion models we ex-

pect C3 ∼ Ct (the exact relation depending on the model pa-
rameters), we can conclude that ∆C3/C3 can be of the order of
a few 10%, and even larger. For example, in the case of the
DFSZ axion (to be discussed below), we find∣∣∣∣∣∆C3

C3

∣∣∣∣∣
DFSZ

'
0.5

tan β

(
rt

u − rt
d

)
+ O

(
(rt

d − rt
u)2

)
, (17)

which can become quite significant at small tan β.
On the other hand, the RG correction to the iso-scalar cou-

pling C0 is, in general, very small. From Eq. (14), we see that
this coupling combination gets contributions from (rt

u + rt
d) and

from ∆sCs. As it was pointed out in Ref. [20], in the leading
approximation in which only the contribution of the top-quark
Yukawa coupling is kept, the combination (rt

u + rt
d) is character-

ized by a strong cancellation, see for example Eqs. (11)-(12),
and is numerically very small ∼ 0.2%.3 Hence, eventually the
leading correction to C0 comes from the RGE correction ∆s∆Cs

to the last term in Eq. (14). It is easy to estimate this contribu-
tion from our general results, using rt

s = rt
d that holds for uni-

versal models. In the end, we find that the RG corrections to

3From the more accurate numerical analysis in Appendix A we obtain that
for any value of the mBSM scale |rt

u + rt
d |/|r

t
u − rt

d | . 0.5%.
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Coupling (DFSZ1) Coupling (DFSZ2) Approx. Correction
C0 ' −0.20 C0 ' −0.20 ∆C0 ≈ 0
C3 ' −0.43 sin2 β C3 ' −0.43 sin2 β ∆C3 ' −0.12 l(x) cos2 β

Ce = 1
3 sin2 β Ce = − 1

3 cos2 β ∆Ce ' 0.094 l(x) cos2 β

Cγ = 8
3 − 1.92 Cγ = 2

3 − 1.92 ∆Cγ = 0

Table 1: Simplified expressions for the RG corrections in the DFSZ1 and DFSZ2 models, given in terms of β and of l(x) = ln
(√

x − 0.52
)
, where

x = log10(mBSM/GeV) parameterizes the new physics scale. While (in this simplified approximation) the corrections in DFSZ1/2 are the same, for the leptons
the relative corrections differ: ∆Ce/Ce ' cot2 β (DFSZ1) and ∆Ce/Ce ' const. (DFSZ2).

C0 are only about 3% of the corresponding corrections to C3
and hence this combination of couplings (and the correspond-
ing iso-scalar axion coupling to nucleons, gaN,0 = C0mN/ fa) is
practically unaffected by RG running effects.

2.2. DFSZ axion couplings beyond tree level

The scalar sector of DFSZ models [7, 8] features a SM sin-
glet complex scalar Φ and two Higgs doublets Hu,d that cou-
ple respectively to up- and down-type quarks in a generation-
independent way. Under SU(3)C × SU(2)L × U(1)Y they trans-
form as Φ ∼ (1, 1, 0), Hu ∼ (1, 2, 1/2) and Hd ∼ (1, 2,−1/2).
The threefold re-phasing symmetry of the scalar sector U(1)Φ×

U(1)Hu × U(1)Hd is broken to U(1)PQ × U(1)Y by a renormal-
izable non-Hermitian operator that can be chosen as HuHdΦ†2

or HuHdΦ†.4 There are two possible variants of the model, de-
pending on whether the lepton sector couples to Hd (DFSZ1) or
to H̃u = iσ2H∗u (DFSZ2). For a review see Sec. 2.7.2 in Ref. [9].
The Yukawa sector of the DFSZ1 model contains the following
operators

qiu jHu , qid jHd , `ie jHd , (18)

where a sum over generation indices i, j = 1, 2, 3 is left un-
derstood, and qi, `i denote the quarks and leptons SU(2)L left-
handed (LH) doublets while u j, d j, e j the right-handed (RH)
singlets. The corresponding coefficients for the axion coupling
at the UV scale fa are

E
N

=
8
3
, Cu,c,t( fa) =

c2
β

3
, Cd,s,b( fa) = Ce,µ,τ( fa) =

s2
β

3
, (19)

with cβ ≡ cos β, sβ ≡ sin β and tan β = 〈Hu〉/〈Hd〉 ≡ vu/vd. The
domain in which tan β is allowed to vary is obtained by requir-
ing that the DFSZ Yukawas remain perturbative up to scales of
O( fa). This corresponds to imposing perturbative unitarity on
Higgs-mediated 2 → 2 SM fermion scatterings (see e.g. [34])
up to fa. The perturbative domain is evaluated by evolving the
values of the gauge couplings and of the SM Yukawa couplings
at mZ given in Ref. [35] up to the scale mBSM employing two-
loop RG equations.

For mBSM ∼ fa the SM Yukawa couplings are RG-evolved
from mZ to fa, and upon matching with the DFSZ couplings

4The first possibility yields a number of domain walls NDW = 6 while the
second NDW = 3, but they remain otherwise indistinguishable from the point of
view of low-energy phenomenology.

YDFSZ
t = Yt( fa)/sβ and YDFSZ

b = Yb( fa)/cβ, by requiring YDFSZ
t,b <

√
16π/3 [9]. This yields the perturbative domain

tan β ∈ [0.14, 500] (mBSM ∼ fa ∼ 109 GeV) , (20)

On the other hand, for mBSM � fa one should require a
stronger perturbativity constraint on YDFSZ

t,b , since running ef-
fects from mBSM to fa would tend to develop Landau poles in
the DFSZ Yukawa couplings below fa. In this case Yt,b are
evolved from mZ to mBSM within the SM, and after matching
with the DFSZ couplings YDFSZ

t (mBSM) = Yt(mBSM)/sβ and
YDFSZ

b (mBSM) = Yb(mBSM)/cβ, the running of YDFSZ
t,b from mBSM

to fa is computed in the 2HDM. In the case when mBSM ∼ 1
TeV perturbative unitarity up to fa ∼ 109 GeV translates in the
following interval

tan β ∈ [0.70, 100] (mBSM ∼ 1 TeV) . (21)

Note that the perturbative domain of tan β has a mild (logarith-
mic) dependence on the PQ scale fa. This is shown in Fig. 2 for
the low tan β region (a similar dependence is present also for
the large tan β region, where running effects are however less
important).

The Yukawa sector of the DFSZ2 model contains instead the
following operators

qiu jHu , qid jHd , `ie jH̃u , (22)

and the corresponding axion coupling coefficients are

E
N

=
2
3
, Cu,c,t( fa) = −Ce,µ,τ( fa) =

c2
β

3
, Cd, s, b( fa) =

s2
β

3
, (23)

with tan β defined in the same perturbative domain as in DFSZ1.
Let us now proceed to discuss the impact of running effects

in the DFSZ model. Approximate RG corrections to the ax-
ion couplings are collected in Tab. 1. Note that in the case of
DFSZ1 the iso-vector combination C3, as well as the axion-
electron coupling Ce, receive large corrections at small tan β,
that is when the tree-level coupling vanishes.5 On the other
hand, the RG corrections on the iso-scalar combination C0 re-
main small in the whole tan β range. This is also displayed in
Fig. 1, where the dashed line corresponds to the tree-level re-
sult, while the red band encodes the range of RG corrections ob-
tained by varying mBSM between fa = 109 GeV (lower border of

5Note that the suppression of C3 at small tan β arises due to an accidental
cancellation between Cu −Cd and the quark mass term, cf. Eq. (15).
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Figure 1: Running axion coupling combinations (C3 and C0) in DFSZ as a function of tan β. The red band encompasses the range of the corrections for mBSM/GeV ∈
[103, 109]. Perturbativity bounds on tan β also depend on mBSM, with the thick (thin) grey line corresponding to mBSM = 109 GeV (1 TeV).
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Figure 2: fa dependence of the perturbative unitarity bounds on tan β at small
tan β values.

the red region) and 1 TeV (upper border of the red region). We
see that although for mBSM = 1 TeV the running couplings trace
closely the tree-level couplings as long as tan β > 1, also in this
case RG corrections become non-negligible at small tan β.

3. RG effects on QCD axion phenomenology

In the following section, we will discuss the phenomenologi-
cal impacts of the RG corrections. In particular, we will see how
these affect axion astrophysical and cosmological bounds, as

well as the sensitivity of terrestrial experimental searches. For
clarity, we will refer to the DFSZ axion models, even though
our results can be applied to other axion models.

Several observables depend dominantly (or entirely) on C3
and thus, as discussed in Sect. 2, are subjected to large RG-
induced modifications. These include for example the coupling
to pions, which is responsible for the axion thermalization in
the early Universe (via ππ ↔ πa), which controls the hot dark
matter (HDM) bound discussed in Sect. 3.2. More recently, it
has also been shown that the pion-nucleon scattering may be
responsible for a large contribution to the axion emission rates
in dense media, particularly in SNe [36–38]. Finally, the iso-
vector coupling C3 is entirely responsible for the nuclear re-
action process p + d → 3He + a, which is one of the most
efficient and widely studied production mechanisms of axion-
like particles from solar nuclear reactions [39–43]. On the other
hand, the nucleon coupling to 57Fe, relevant for axion produc-
tion through nuclear de-excitations in the Sun [39, 40, 44], turns
out to be less sensitive to RG corrections (see Tab. 2).

The axion-electron coupling Ce, which plays a significant
role in astrophysics (see Section 3.1) as well as in terrestrial ex-
perimental searches (see Section 3.3), is also subjected to large
RG corrections. In fact, rt

e ≈ rt
d.6 Thus, using rt

u + rt
d ≈ 0 and

Eq. (16), we find

rt
e ' −

1
2

(
rt

u − rt
d

)
≈ 0.27 ln

(√
x − 0.52

)
, (24)

where x = log10(mBSM/GeV) parameterizes the new physics

6This conclusion is based on the same arguments presented above, where
it was argued that rt

u + rt
d ' 0. Deviations from these relations are due to

subleading contributions of Yukawa terms other than Yt . A detailed discussion
can be found in Section 3 of Ref. [20].
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Figure 3: Redefinition of the predicted bands for the DFSZ couplings gDFSZ1
ae (left), gDFSZ1/2

ap (middle), and gDFSZ1/2
an (right) induced by RG effects (hatched green

region). The size of the band correspond the perturbativity unitarity bounds on tan β (see text). The mBSM new physics scale is set to the maximal value mBSM = fa.

scale.7 Therefore the corrections to Ce can also be expressed
in terms of ∆C3. Specifically, from our previous results we see
that ∆Ce = −0.5 Ct( fa) (rt

u − rt
d) = −0.78 ∆C3. Thus, at our

level of approximation all running effects can be expressed in
terms of ∆C3, which for DFSZ axions is ∝ cos2 β. A general
consequence of this observation is that, in the case of DFSZ
axions, the running effects are mostly relevant only at small
tan β, something that is apparent from our numerical analysis.8

Before moving to the phenomenological study, it is instruc-
tive to anticipate how RG corrections will modify the usual
DFSZ bands, obtained by varying the value of tan β within
the perturbative unitarity limits, for the gae, gap, gan couplings
(see for example the section on axions in the Review of Parti-
cle Physics [45]). This can be easily estimated by considering
the RG corrections to the electron and to the nucleon couplings
Cp,n = C0±C3 given in Table 1. The results are shown in Fig. 3,
where we have taken mBSM = fa ∝ 1/ma to maximize the RG
effects. In each panel the bands correspond to vary tan β in the
interval [0.14, 100]. The first figure shows the modification of
the usual gae band in DFSZ1. For this case we obtain the most
dramatic effect, that is a marked reduction of the width of the
band that, after including RG corrections, shrinks down to the
green hatched region. This is due to the fact that the tree-level
suppression of gDFSZ1

ae in the limit sin β → 0 is cut-off at small
tan β by the RG correction proportional to cos2 β. Instead there
is not such a dramatic effect for gDFSZ2

ae since both the tree level
coupling and the RG correction are proportional to cos2 β. In
the second panel in Fig. 3 we show the RG effect on the band
for gap (that is the same in DFSZ1 and in DFSZ2). In this case
we see that the shrinking of the allowed band is much less pro-
nounced. Finally, the third panel shows the RG effects on the
gan band. In this case the allowed band is sizeably widened,

7This result should not be surprising since it holds in the limit of |rt
u +rt

d | ≈ 0
and, as discussed above, |rt

u + rt
d |/|r

t
u − rt

d | . 0.5%.
8The only exception is in cases where the cos β dependence cancels, as for

∆Ce/Ce in the DFSZ2 model (see the Red Giant bound on DFSZ2 axion in the
right panel of Fig. 4).

which this is due to a cancellation in the tan β independent part
of the coupling, which enhances the overall dependence on this
parameter.

The most important phenomenological consequences of the
RG corrections to the axion couplings will be analyzed in the
following sections.

3.1. Astrophysical constraints

In this Section, we discuss the impact of RG corrections to
astrophysical observables. For reference, we will mostly focus
on the DFSZ1 axion model. The analysis for DFSZ2 goes along
similar lines.

Axions can be copiously produced in stars, mostly due to
thermal processes (see Ref. [50] for a recent review). Here
we will not consider astrophysical bounds on the axion-photon
coupling [57–60], since Cγ does not receive any relevant RG
correction. We focus instead on the axion-electron and on the
axion-nucleon couplings.

The most stringent astrophysical bound on the axion-electron
coupling is derived from observations of the tip of the red giant
branch (RGB) in globular clusters. The production of axions
during the RGB evolution cools the core, playing a role similar
to that of neutrinos, and thus delays the helium ignition. The de-
lay leads to a larger helium core and, consequently, to a higher
stellar luminosity. Thus, comparison between observations and
predictions for the luminosity of the RGB tip (the brightest stars
in the RGB) is an efficient way to test anomalous channels of
stellar cooling. The most recent analysis has set the constraint
|gae| ≤ 1.48 × 10−13 (at 95% C.L.) [61]. From the definition of
this coupling, gae = Ceme/ fa, the RGB bound translates into

|Ce| ≤ 1.65 × 10−3
(ma

eV

)−1
. (25)

This relation provides an upper bound for the axion mass at
any given value of tan β and x = log10(mBSM/GeV). The full
numerical results are shown in Fig. 4, where the red-shaded
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Coupling Approx. Correction Processes
C0 ∆C0 ≈ 0

C3 ∆C3 ' 0.64 Ct( fa) (rt
u − rt

d) Axion thermalization: ππ↔ πa [13, 46–49]
Deuteron processes: p + n↔ d + a [41–43]

Cp = C0 + C3 ∆Cp ≈ ∆C3 Astrophysics/experiments [10, 11, 50]

Cn = C0 −C3 ∆Cn ≈ −∆C3 Astrophysics/NMR experiments [51, 52]

CSN ' 1.4
(
C2

0 + 0.11 C0C3 + 1.3 C2
3

)1/2
, ∆CSN ' (2.5 C3 + 0.11 C0) ∆C3

CSN
. SN 1987A bound [38]

CFe = C0 − 0.77 C3 ∆CFe = −0.77∆C3 Axion production/detection in 57Fe [39, 40, 44]

Ce ∆Ce = −0.78 ∆C3
Axion production in stars [50]
Axion detection (Xenon etc.) [53–55]

Cγ ∆Cγ = 0 Axion production in stars and labs [9]
Most axion detection experiments [10, 11]

Chel =
[
C2
γ

(
C2
γ + (37Ce)2

)]1/4
∆Chel =

Chel

2

 ∆Ce/Ce

1 +
(
Cγ/(37Ce)

)2

 Axion coupling for Sikivie helioscopes [9, 56]

Table 2: RG corrections to axion couplings, in the approximation of keeping only the contribution from Yt . Note that in this approximation all the various corrections
can be expressed just in terms of ∆C3 given in the second line, with rt

u − rt
d given in Eq. (16).

bands incorporate the range fixed by the possible values of
mBSM ∈ [1 TeV, fa].

We can gain some intuition about these effects using our ap-
proximate results, shown in Table. 1. In the case of the DFSZ1
model (left panel in Fig. 4) we can conveniently rewrite the
RGB bound on the axion mass as follows9(ma

eV

)
≤

1.65 × 10−3∣∣∣∣( 1
3 − 0.094 l(x)

)
sin2 β + 0.094 l(x)

∣∣∣∣ , (26)

where l(x) = ln
(√

x − 0.52
)
. The first important observation is

that in the limit l(x) → 0, that is ignoring the RG corrections,
the RGB bound on the mass is a monotonic function of tan β
and disappears in the limit of small tan β. This result is mod-
ified by the RG corrections, which in the limit tan β → 0 still
provide a useful limit on the axion mass, ma ≤ 0.018 eV/l(x).
From these considerations, we can conclude that the RG cor-
rection to the RGB bound becomes particularly important in
the low tan β limit, a result confirmed by the full numerical re-
sult shown in Fig. 4. The most conservative value for the RGB
bound corresponds to mBSM = 1 TeV, for which we obtain, in
our approximation, ma ≤ 0.018 eV/l(3) ' 8.75×10−2 eV, which
agrees well with the complete numerical result shown in the left
panel of Fig. 4. In the case of the DFSZ2 model instead, there is
not such a striking feature, and this is because in this case both
the coupling gae and its RG correction depend on cos β. The
RGB bound for this case is shown in the right panel of Fig. 4.

Let us now move to the axion-nucleon coupling and ana-
lyze the axion bound from SN1987A.10 This is a quite more

9Notice that in the range of mBSM we are considering here, the absolute
value in Eq. (26) is unnecessary.

10SN1987A is not the only astrophysical probe of the axion-nucleon cou-

complex problem since axion production in a SN environment,
at temperatures of order ∼ 30 MeV and densities in excess of
∼ 1014 g/cm3, gets contributions also from pions [26, 36, 37]
and from ∆ baryon resonances [27]. Following the notation
of Ref. [38], the effective low-energy axion-nucleon interaction
relevant for the axion production processes in a SN environment
is given in Eq. (1). The second term in the first line describes
the usual axion-nucleons interactions. The third line contains
the axion-pion interactions. The four-particle interaction vertex
in the third line accounts for the pion-nucleon contact term re-
cently discussed in Ref. [26], while the last line accounts for the
axion couplings to the ∆-resonances, whose contribution to the
axion emissivity has been recently calculated in Ref. [27]. The
interaction Lagrangian in Eq. (1) can be used to compute the
axion emissivity due to nucleon-nucleon (NN) bremsstrahlung,
NN → NNa, as well as the Compton-like pion scattering pro-
cesses, π−p → na, including also the contribution from the ∆

resonances (see Ref. [38] for an updated overview).
In general, the axion luminosity from a SN, La, depends only

on a particular combination of C0 and C3, and thus only this
combination can be constrained. The luminosity can be ex-
pressed as [38]

La = ε0

(
mN

fa

)2

C2
SN × 1070 erg/s , (27)

where ε0 is a numerical factor and

CSN = a
(
C2

0 + b C2
3 + c C0C3

)1/2
. (28)

pling. Neutron stars also provide strong bounds (see, e.g., Ref. [62]). However,
the bound from SN1987A is the most discussed in the literature, and thus it
provides a good example for the impact of RG corrections.
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Figure 4: RG effects on astrophyisical axion bounds from Red Giants (red bands) and SN1987A (blue bands) for the DFSZ1 (left panel) and DFSZ2 (right panel)
models, compared to the tree level results (black dashed lines). The gray line corresponds to the perturbative unitarity bound on tan β for mBSM = fa.

ε0 a b c m [meV]
NN 2.42 1.5 0.5 -0.36 6.4
Total 3.86 1.4 1.3 0.11 5.0

Table 3: Parameters for the axion luminosity from SN entering Eqs. (27) and
(28). The coefficients are calculated at a post-bounce time of 1s (see Ref. [38]).
The first row refers to the NN bremsstrahlung contribution only [63], ignoring
the pion scattering processes and the ∆ resonance contribution. The second row
gives the total contribution, calculated from the results in Ref. [38]. The mass
parameter m is defined in Eq. (30).

The numerical values of the coefficients ε0, a and b can be found
in Table 3. In the table we present, in the first line, the results
obtained by considering only the purely NN bremsstrahlung
production, which corresponds to the first line of Eq. (1). The
results for the total emission rate are given in the second line
(we remind to the reader that up until very recently, the NN
bremsstrahlung production was the only process considered for
estimating SN axion emission rate.)

Notice that, as evident from Table 3, the addition of the
pion-induced scatterings increases the relative importance of C3
(controlled by the coefficients b and c) and thus enhances the ef-
fects of the RG corrections. More specifically, from Eq. (28),
and assuming ∆C0 ≈ 0, we find

∆CSN ' a2
(
b C3 +

c
2

C0

)
∆C3

CSN
. (29)

As expected, the RG effects are reduced in the case of purely
NN-bremsstrahlung production, due to the partial cancellation

between the b and c terms.11

Imposing La ≤ Lν = 3 × 1052 erg/s [38], we find the bound
on the axion mass

ma ≤
m

CSN
, with m =

9.9 meV
√
ε0

. (30)

In the case of for DFSZ axions, this bound is shown in Fig. 4.
Specializing on the DFSZ axion case, we immediately find

from Tab. 1,

CDFSZ
SN = 0.2 a

√
1 + 2.15 c sin2 β + 4.5 b sin4 β . (31)

and

(
∆CSN

CSN

)DFSZ

=


(
0.30 c + 1.3 b sin2 β

)
cos2 β

1 + 2.15 c sin2 β + 4.6 b sin4 β

 l(x) . (32)

Note that the above expression is never larger than about 10%-
15%. Thus, for the SN bound RG effects are somewhat less
prominent than in the case of the RGB bound. For compari-
son, ignoring the contribution from the pion scatterings, gives

the combination CSN ' 1.5
√

C2
0 + 0.50 C2

3 − 0.36 C0C3. Notice
that, as discussed above, the two results have a significantly dif-
ferent dependence on C0,3 and, in particular, the addition of the
pion-induced scatterings increases the relative importance of C3
and thus enhances the dependence on the RG corrections.
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Figure 5: HDM bound in the DFSZ1/2 models. The red region shows the
effect of RG corrections, for mBSM ranging from fa (left border) to 1 TeV (right
border). The gray line corresponds to the perturbative unitarity bound on tan β
for mBSM = fa.

3.2. Thermal axion cosmology

If axions are in thermal equilibrium until below the quark-
hadron phase transition (which can occur for ma & 0.1 eV)
the axion thermal population will give a sizeable contribution
to the effective number of extra relativistic degrees of free-
dom [64], ∆Neff , that is constrained by Big Bang Nucleosyn-
thesis (BBN) [65] and cosmic microwave background (CMB)
observations [66, 67]. The highest attainable axion mass from
such cosmological constraints is also known as the Hot Dark
Matter (HDM) bound. The forecast sensitivity of the planned
CMB-S4 [68] and Simons Observatory (SO) [69] surveys will
fully cover the mass range in which the axion decouples be-
low or across the QCD crossover, thus a precise determination
of the axion-pion thermalization rate, including running effects,
would be necessary to set definite targets.12

For T . Tc, where Tc ' 155 MeV is the QCD decon-
finement temperature, the dominant thermalization channels is
aπ ↔ ππ [13, 46]. It has been recently shown, however, that
the standard computation of this process, that is based on chi-
ral perturbation theory (ChPT), breaks down for T & 70 MeV
[47, 49]. Phenomenological extensions of the validity of the

11We should be cautious, however, since this expression is valid only in the
limit of ∆C3/CSN � 1 and this condition is not always met. In particular, it is
violated at low tan β and high mBSM.

12In this paper we will refrain from assessing the impact of CMB-S4 and
SO projections on ∆Neff , since these involve an extrapolation of the axion ther-
malization rate beyond the QCD crossover, which is plagued by large non-
perturbative uncertainties [48], and it is still matter of investigation.

chiral expansion, based on unitarization methods, have been
proposed in Refs. [48, 49].

In the following, we will consider the unitarized thermal rate
based on the Inverse Amplitude Method (IAM), recently dis-
cussed in Ref. [49], which gives the thermal scattering rate:

ΓIAM
a (T ) =

(
Cπ

fa fπ

)2

0.150 T 5hIAM(mπ/T ) , (33)

with Cπ given in Eq. (5) and mπ = 137 MeV representing the av-
erage neutral/charged pion mass. The numerical function hIAM
is provided in Ref. [49] (cf. Fig. 3 of this reference) and is nor-
malized to hIAM(mπ/Tc) = 1.

We will estimate the impact of RG effects on the HDM bound
relying for simplicity on the instantaneous decoupling condi-
tion Γa(TD) ' H(TD), with Γa(T ) the axion-pion scattering rate
given in Eq. (33) and H(T ) =

√
4π3g?(T )/45 T 2/mpl the Hub-

ble rate, where mpl = 1.22 × 1019 GeV is the Planck mass and
g?(T ) the effective number of relativistic degrees of freedom.13

The axion contribution to the effective number of extra rela-
tivistic degrees of freedom is given by [64]

∆Neff '
4
7

(
Ta

Tν

)4

=
4
7

(
43

4gS (TD)

)4/3

' 0.027
(

106.75
gS (TD)

)4/3

,

(34)
with Ta/Tν the ratio of the axion to neutrino temperature at T �
1 MeV (i.e. well after ν-decoupling) and gS (TD) the number of
entropy degrees of freedom at axion decoupling, that in the last
relation has been normalised to the total number of SM degrees
of freedom gS (T > mt) = 106.75. We then confront Eq. (34)
with the bound on ∆Neff from Planck’s 2018 data [66, 67], and
from this we extract a bound on the axion mass.

Our results for the HDM bound in the DFSZ1/2 models are
summarised in Fig. 5, where we show the tree-level results com-
pared with the RG corrections included. Again we see that RG
effects are especially important at small tan β. In Fig. 5 the
DFSZ1 and DFSZ2 cases coincide because the (subleading) ef-
fects of scattering off leptons have been neglected. In Ref. [72]
it was argued that thermalization channels involving axion scat-
tering off leptons can become relevant in DFSZ2 at small tan β.
However, since RG corrections keep the axion-pion coupling
sizeable also in this regime, the effect of lepton scattering be-
comes accordingly less important.

3.3. Helioscope experiments

One of the most appealing result of the RG correction anal-
ysis is the implication for the next generation of experiments
hunting for solar axions. The main reason is that the solar flux
is strongly dependent on the axion-electron coupling and, as we
have seen, this can receive large RG corrections. As a conse-
quence, helioscope sensitivities to DFSZ axions, that have been
so far estimated using tree level electron-axion couplings, have
been underestimated.

13For a more refined treatment of the cosmological aspects of axion thermal
decoupling see e.g. Refs. [48, 70, 71].
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Figure 6: Experimental sensitivity to DFSZ1 axions, including RG effects. Left Panel: IAXO and BabyIAXO. Right Panel: XENON-nT. In both plots the gray line
corresponds to the perturbative unitarity bound on tan β for mBSM = fa.

Here, we focus mostly on the Sikivie type of axion helio-
scopes [56]. This kind of experiment is designed to detect solar
axions by converting them in X-ray photons using a large lab-
oratory magnetic field. The importance of the axion-electron
coupling for Sikivie’s helioscope sensitivity to solar axions is
expressed by the following relation [9]

g2
γ10

(
g2
γ10 + 0.7g2

e12

)
> g4

γ10 , (35)

where gγ10 = gaγ/10−10GeV−1, ge12 = gae/10−12 , and gγ10 is
the helioscope sensitivity to gaγ (again, in units of 10−10GeV−1).
Notice that gaγ is, in general, a function of the axion mass.
Defining the effective coupling

Chel =
[
C2
γ

(
C2
γ + (37Ce)2

)]1/4
, (36)

the above expression leads to the following heliscope sensitivity
relation

Chel &
0.49 gγ10

(ma/eV)
, (37)

which, in the case of the DFSZ axion, can be readily translated
into a limit on the tan β accessible to the helioscope as a func-
tion of the axion mass. Notice that, according to this expres-
sion, the DFSZ sensitivity to tan β (which enters only through
Ce), should disappear for Cγ � 37Ce, which is fullfilled for
tan β � 0.25. In general, if the helioscope sensitivity is good
enough, there could be mass regions where the entire range of
tan β is accessible.

To give an example of an application of Eq. (37), let us
consider the case of BabyIAXO, a next-generation axion he-
lioscope presently under construction [73]. Its sensitivity at

ma = 0.1 eV is expected to reach gγ10 = 0.33. Using this value
and Cγ = 8/3 − 1.92 for the DFSZ1 model, if RG effects are
ignored, one would conclude that at this mass value BabyIAXO
could be sensitive to the region tan β & 0.62. The results of our
complete numerical analysis for all values of the axion mass
are plotted in the left panel in Fig. 6, where the dashed line con-
tours correspond to the estimated BabyIAXO sensitivity if RG
effects are ignored. The reach of the more advanced helioscope
experiment IAXO [74] is also shown in the left panel in Fig. 6.
In this case we see that there is a mass region for which the
experiment is sensitive to all values of tan β. When RG correc-
tions are ignored, this region extends to masses between ∼ 50
meV and ∼ 200 meV. The reason of this is that IAXO is sensi-
tive enough to see the solar axion flux even in models in which
axions are only coupled to the photon and not to the electron.

Let us now consider the effects of RG corrections on the pro-
jected sensitivities. As shown in Tab. 2, the RG corrections to
the effective helioscope coupling is

∆Chel

Chel
=

1
2

∆Ce/Ce

1 +
(
Cγ/(37Ce)

)2 , (38)

which is valid in the limit of ∆Ce/Ce � 1. This condition
is always verified in DFSZ2, while for DFSZ1 it holds for
tan β � 0.5 l(x)1/2 (Cf. Tab. 1). Since in the case of BabyIAXO
the expected sensitivity is not sufficient to detect DFSZ axions
unless tan β & 0.6 (see Fig. 6) which implies Cγ/(37Ce) � 1,
we can simplify the correction to the effective coupling to(

∆Chel

Chel

)BabyIAXO

'
∆Ce

2Ce
, (39)
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which can be readily estimated using our results from the Tab 1.
Notice that this correction can be quite sizable and implies that
the reach of BabyIAXO to small electron couplings (low tan β
values) can be pushed down significantly, as is shown by the
blue region in the left panel of Fig. 6.

The impact of RG corrections on the IAXO sensitivity to
DFSZ1 axions is also shown in the left panel of Fig. 6, and
corresponds to the red regions. In this case we notice an inter-
esting effect, that is that the IAXO reach in the region of small
tan β is sizeably enlarged for all values of mBSM, since the solar
axion flux is necessarily larger than what predicted ignoring the
RG corrections. As a result, the mass region for which IAXO
is sensitive to the entire range of tan β is extended.

Finally, the correction to the axion-electron coupling has also
an obvious impact on experiments which detect axions through
the axio-electric effect. Such experiments include large under-
ground detectors such as Panda-X [54], LUX [53], or XENON-
nT [55], originally designed for dark matter searches. The RG
modification of the axion-electron coupling extends the poten-
tial of these experiments to explore the DFSZ parameter space.
Our numerical results in the case of XENON-nT are shown in
the right panel of Fig. 6. A fundamental difference with respect
to the previous results is that, because of the RG-induced cor-
rections, in principle XENON-nT could be sensitive to DFSZ1
axions for any value of tan β. However, the current experimen-
tal sensitivity is insufficient to reach inside the mass region al-
lowed by the RGB bound discussed in Sect. 3.1 (see the left
panel in Fig. 4).

4. Conclusions

In this paper, we have studied the impact of RG effects on
QCD axion phenomenology, focusing on DFSZ models. We
have shown that running effects on axion couplings depend
crucially on the scale at which the heavy Higgs states are in-
tegrated out, and the 2HDM effectively reduces to the SM
with a single light Higgs. We have discussed the implications
of running axion couplings on astrophysical and cosmological
bounds, as well as the sensitivity of helioscope experiments
such as (Baby)IAXO. We have found that running effects are
sizable even in the most conservative case in which the 2HDM
structure keeps holding down to the TeV-scale, and thus they
can never be neglected. We have also provided simple analytic
expressions fitted to reproduce the numerical solutions of the
RG equations, which can be a useful tool for studying the im-
plications of running axion couplings. In the case of an axion
discovery, running effects might prove to be crucial in order to
reconstruct the axion UV completion.
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Appendix A. Numerical fit to RG effects

Running of axion couplings is examined in detail in
Refs. [14, 15, 17, 75], where a complete set of one-loop (and
partially two-loop) anomalous dimensions are derived includ-
ing matching corrections at the EW scale [17]. The leading con-
tribution to the running axion couplings arises from top loop di-
agrams induced by the axion-top coupling Ct. The RG evolved
couplings at µ = 2 GeV are thus expressed to a good approxi-
mation by

CΨ(2 GeV) ' CΨ( fa) + rt
Ψ(mBSM) Ct( fa), (A.1)

where Ψ = u, d, e. Note that the running occurs below the heavy
Higgs scale mBSM ' mH,A,H+ , where in the decoupling limit the
heavy scalars are assumed to be approximately degenerate, and
rt
Ψ

(mBSM) is a function only of mBSM.
Keeping only the top Yukawa and the strong gauge cou-

plings, the running of CΨ below µ = mBSM is governed by
[14, 15, 17, 75]

dCΨ

d ln µ
' −T3,Ψ

3Y2
t

4π2 Ct Θ(µ − µw) − aΨ

α2
s

π2 c̃G , (A.2)

where T3,Ψ is the weak isospin of Ψ, aΨ = 1 for quarks and 0 for
leptons, µw = O(mZ) is a matching scale at which weak gauge
bosons, Higgs boson and top quark are integrated out, and

c̃G = 1 −
∑

q

Cq(µ) Θ(µ − mq) . (A.3)

We see from Eq. (A.2) that the RG corrections to the axion cou-
plings consist of one-loop iso-vector contribution, proportional
to the weak isospin T3,Ψ, and a two-loop level iso-scalar contri-
bution generated from c̃G,14 and can be expressed in the form

rt
Ψ(mBSM) ' T3,Ψ rt

3(mBSM) +
aΨ

2
rt

0(mBSM) , (A.4)

14In the DFSZ models, c̃G = 0 at µ = mBSM and it develops a nonzero value
because of the running of Cq. This means that the running effects from c̃G are
also proportional to Ct( fa), allowing to parametrise this iso-scalar contribution
in the form of Eq. (A.1).
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which, for the running of C3,0, yields

rt
3 ' rt

u − rt
d ' −2rt

e , (A.5)
rt

0 ' rt
u + rt

d . (A.6)

Note that rt
3,0 are independent of Ψ to a good precision, even

after including the threshold corrections at the EW scale, which
turn out to be iso-vector (numerically

∣∣∣(rt
0)th/(rt

3)th
∣∣∣ ∼ 10−6).

Let us now derive approximate formulae for rt
3,0(mBSM). To

this end, we first evaluate the running effects by numerically
solving the full set of the RG equations including the thresh-
old corrections at the EW scale [17]. In the calculation the
two-loop running for the SM gauge and Yukawa couplings is
implemented, with their input values at µw = mZ taken from
Ref. [35]. A set of numerical values for rt

3,0(mBSM) are tabulated
in Tab. A.4. These values are accurately fitted by the following
fitting functions:

rt
3(mBSM) ' rt

u − rt
d ' −0.54 ln

(√
x − 0.52

)
, (A.7)

rt
0(mBSM) ' rt

u + rt
d ' 3.8 × 10−4 ln2(x − 1.25) , (A.8)

with x = log10(mBSM/GeV). Eq. (A.7) agrees with the nu-
merical results within 2% accuracy in the 1 TeV ≤ mBSM ≤

1018 GeV range. The precision of Eq. (A.8) is better than 6%.
However, since |rt

0/r
t
3| . 0.5%, this function does not affects

numerically rt
Ψ

.
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u rt
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3 = rt
u − rt
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0 = rt

u + rt
d
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Table A.4: The numerical values of rt
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(mBSM) and rt
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The singlet scalar Higgs portal model provides one of the simplest explanations of dark matter
in our Universe. Its Higgs resonant region, mDM ≈ mh/2, has gained particular attention, being
able to reconcile the tension between the relic density measurement and direct detection constraints.
Interestingly, this region is also preferred as an explanation of the Fermi-LAT γ-ray Galactic center
excess. We perform a detailed study of this model using γ-ray data from the Galactic center and
from dwarf spheroidal galaxies and combine them with cosmic-ray antiproton data from the AMS-
02 experiment that shows a compatible excess. In the calculation of the relic density, we take into
account effects of early kinetic decoupling relevant for resonant annihilation. The model provides
excellent fits to the astrophysical data either in the case the dark matter candidate constitutes all or
a subdominant fraction of the observed relic density. We show projections for future direct detection
and collider experiments to probe these scenarios.

I. INTRODUCTION

The origin of dark matter (DM) is one of the main
unsolved puzzles in fundamental physics today, implying
physics Beyond the Standard Model (BSM). The Singlet
Scalar Higgs portal (SHP) model is among the simplest
UV complete BSM theories that provide a valid DM can-
didate [1–9]. While a large portion of the model parame-
ter space has already been excluded by the interplay of di-
rect detection and relic density constraints, the Higgs res-
onant region, mDM ≈ mh/2, is particularly challenging
to probe. It constitutes one of the two remaining viable
regions [10, 11] within the model. Independently, a DM
mass of around 60 GeV is also preferred as an explana-
tion of two potential indirect detection signals of DM [12]
as we detail below. In fact, putting together all relevant
observational data allows for a scenario where the DM
candidate constitutes all or just a subdominant fraction
of the observed DM density and reveals an intricate rela-
tion between the model parameters and the DM fraction.
Due to the sharp resonance, the results are highly sensi-
tive to the DM mass in the region mDM = mh/2±O(Γh),
where Γh denotes the total Higgs width. Therefore, the
Higgs resonant region deserves a closer look, which we
will provide in this paper.

Several groups have reported the detection of an ex-
cess of γ rays, which is labeled as the Galactic center
excess (GCE), in the data of the Fermi Large Area Tele-
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scope (Fermi-LAT) in the direction of the center of the
Milky Way (see, e.g., [12–28]). Recently, Refs. [27, 28]
have provided comprehensive and updated results for the
GCE properties. They find that the GCE Spectrum En-
ergy Distribution (SED) is peaked at a few GeV and
has a high energy tail significant up to about 50 GeV.
The spatial distribution of the GCE is compatible with a
DM template modeled with a generalized Navarro-Frenk-
White density profile with slope γ = 1.2−1.3. Moreover,
the GCE centroid is located at the dynamical center of
the Milky Way and its morphology is roughly spherically
symmetric and does not change with energy. Therefore,
all the characteristics of the GCE are perfectly compati-
ble with γ rays produced from DM particles annihilating
in the main halo of the Milky Way. The GCE SED can
be well modeled with DM particles of mass (40−80) GeV
annihilating into bb̄ with a thermal annihilation cross-
section [12, 20, 21, 24, 29], which is the correct cross-
section to explain the observed relic density of DM in the
Universe [30]. Among several BSM theories that have
been proposed to fit the GCE, the SHP model with a
DM mass close to the Higgs resonance provides one of
the simplest solutions (see, e.g., [12, 24, 31–33]).

An alternative interpretation is associated to a popu-
lation of millisecond pulsars located around the Galactic
bulge that would produce a signal with properties com-
patible with the GCE (see, e.g., [34–37]). Outbursts of
cosmic rays (CRs) from the Galactic center have also
been proposed as possible interpretations for the GCE
(see, e.g., [38–40]).

If DM is the actual origin of the GCE, γ rays produced
from these elusive particles could be detectable also from
other astrophysical objects which are very dense of DM
(see, e.g., for a review [41]). Milky Way dwarf spheroidal
galaxies (dSphs) are among the most promising targets
for the indirect search of DM because gravitational obser-
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vations indicate that they have a high DM density, i.e., a
large mass-to-luminosity ratio of the order of 100− 1000
(see, e.g., [42]). Since they do not contain many stars
or gas, they have an environment with predicted low as-
trophysical backgrounds [43]. Analyses of known dSphs
(see, e.g., [42, 44–49]) have imposed constraints on the
DM interpretation of the GCE (see, e.g., [29, 42, 44–
50]). However, combined analyses of dSph samples (see,
e.g., [29, 50]) or analyses of single objects (see, e.g., [51])
have detected excesses at the level of (1−3)σ.

In addition to γ rays, other cosmic particles, i.e. mes-
sengers, could be produced from DM particle annihi-
lation, such as antiprotons (p̄). Interestingly, different
groups have found an excess of p̄, with respect to the
secondary production, in the data of AMS-02 [52] be-
tween (5−20) GeV. Its significance has been found to
vary from 1 to 5σ depending on the analysis technique,
CR propagation model and, more importantly, whether
an estimation of the correlations in the AMS-02 system-
atic errors is considered [12, 29, 53–58] (see, e.g., [59] for
a review). DM particles with a mass of (60−80) GeV an-
nihilating into bb̄ can explain this excess, and a possible
link to the GCE has been investigated [12, 53, 55, 56].

Laboratories on Earth are also sensitive to BSM parti-
cles which could form DM. Experiments located at LHC,
the largest operating particle collider to date, test BSM
physics, including DM, making use of a variety of pro-
duction processes and final state signals (see, e.g., [60]
for a review). The LHC run 3 that started in July 2022
will further increase the sensitivity to DM signals.

Direct detection experiments such as LUX-
ZEPLIN [61] (LZ) and XENONnT [62] are improving
significantly our discovery potential of interactions
between DM particles and detector atoms. Both exper-
iments have recently published the first results for the
upper limits of the spin-independent cross sections for 60
days and 97.1 days of data taking, respectively, setting
new limits by about a factor of two stronger with respect
to previously existing measurements. These experiments
will push the limits closer to the neutrino fog [63].
Next generation direct detection experiments such as
DARWIN [64] will be able to investigate cross sections a
factor of about 10 smaller than LZ and XENONnT (see,
e.g., [65] for a review).

In this paper, we investigate the DM interpretation
of the GCE within the SHP. We use a multi-messenger
and multi-strategy approach. In particular, we perform a
combined analysis of different cosmic messengers such as
γ rays, detected from dSphs and the Galactic center, and
the flux data of p̄ from AMS-02. Then, we take advan-
tage of the complementarity between direct and indirect
detection and collider searches to verify whether the DM
properties that explain the cosmic flux data are compati-
ble with the LZ and LHC constraints. Finally, to find the
model parameter space that matches all the observations,
we compute the relic density, taking into account effects
of kinetic decoupling that are relevant for resonant DM
annihilation [66, 67] during freeze-out.

The paper is organized as follows. In Sec. II, we intro-
duce the SHP model and compute the annihilation cross
sections and spectra relevant for indirect detection. In
Sec. III, we calculate the DM relic density. Constraints
from collider and direct detection experiments are dis-
cussed in Secs. IV and V, respectively, before interpret-
ing γ-ray and p̄ data within the model in Sec. VI. Fi-
nally, in Sec. VII, we combining direct, indirect, collider
and cosmology data discussing implications for the viable
parameter space. We conclude in Sec. VIII.

A Python package, called SingletScalar DM, en-
abling the fast calculation of the dark matter spectra,
relic density, as well as direct detection and collider con-
straints within the model is available on Github.

II. SINGLET SCALAR DARK MATTER WITH
A HIGGS PORTAL

A. Overview of the model

The SHP model is among the simplest DM models ex-
tending the SM by just a DM particle candidate, S, taken
to be a real scalar and a singlet under the SM gauge
group. The Higgs portal provides a unique gauge invari-
ant and renormalizable interaction that couples S to the
SM without the need of additional mediator particles.
The model has first been considered in Ref. [1] and has
since been extensively studied in the literature, see, e.g.,
Refs. [2–9].

The BSM part of the model Lagrangian reads

∆LSHP =
1

2
∂µS∂

µS − 1

2
µ2
SS

2 − 1

4
λSS

4 − 1

2
λHSH

†HS2,

(1)
where H is the SM Higgs doublet and µS , λS , and λHS
are free parameters of the theory. In Eq. (1), the terms
refer to (from left to right): the S kinetic term, the bare
S mass, the S quartic self-coupling and the Higgs-portal
coupling. The Lagrangian respects a discrete Z2 symme-
try that guarantees the stability of S. Under this sym-
metry all SM particles are assumed to be even while S is
odd (S → −S).

After spontaneous electroweak symmetry breaking
(EWSB), the Higgs boson acquires a vacuum expecta-

tion value, 〈H〉 = v0/
√

2, with v0 = 246.2 GeV, and
Eq. (1) becomes:

∆LSHP =
1

2
∂µS∂

µS − 1

2
m2
SS

2 − 1

4
λSS

4

− 1

4
λHSh

2S2 − 1

2
v0λHShS

2, (2)

where h is the Higgs field and m2
S = µ2

s + 1/2 v2
0λHS is

the mass of S in the broken phase.
The quartic scalar self coupling term, proportional to

λS , is of importance for the stability of the electroweak
vacuum and the perturbativity of the model [68] but does
not affect the DM phenomenology. The latter is solely
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FIG. 1: Tree-level annihilation Feynman diagrams of the SHP model. The symbol f refers to charged fermions, while the V
refers to either W±, Z. The central diagram includes also the u-channel.
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FIG. 2: Feynman diagram for the loop-induced annihilation SS → gg. The symbol q stands for quarks.

governed by the last two interaction terms in Eq. (2).
Thanks to these terms, S can annihilate into all SM par-
ticles through the Higgs portal with a coupling that is
proportional to λHS . The annihilation process is rele-
vant for thermalization and freeze-out of S in the early
Universe and can lead to the production of SM particles
in our Galaxy today. Moreover, the Higgs boson may de-
cay into the scalar S producing an observable signature
at colliders. Finally, the scattering of S off quarks, medi-
ated by h, could produce recoil events in direct detection
experiments.

The SHP model is very simple, with only two param-
eters that are relevant for the DM physics: the physical
DM mass mS and the Higgs portal coupling λHS . This
allows us to straight-forwardly constrain the parameters
of the model through the relic density constraint and
from direct and collider searches and astrophysical ob-
servations. In Figs. 1 and 2, we show the Feynman di-
agrams relevant for the annihilation process within the
SHP model. The model contains one diagram for each
fermion, one for each gauge boson W± and Z and three
diagrams for the annihilation into the Higgs boson. We
do not show the channels with the production of γγ and
γZ or γh that are loop induced, thus providing a sub-
dominant contribution to the cross section.

B. Annihilation cross-section

Except for the channel with hh final states, the cross
section σ multiplied by the Möller velocity v of DM pairs
annihilating into SM particles i can be expresses as [69]:

σv =
2λ2

HSv
2
0√

s
|Dh(s)|2 Γh→i(

√
s), (3)

where Γh→i(
√
s) is the partial decay width into state i

of the SM Higgs boson evaluated at energy
√
s. Dh(s) is

the Higgs propagator defined as:

|Dh(s)|2 =
1

(s−m2
h)

2
+m2

hΓ2
h

, (4)

where Γh is the total Higgs width, which includes all the
kinematically allowed partial decay widths, as well as the
invisible Higgs width Γh,inv. For the former, we adopt the
theoretical prediction from Ref. [70], Γh,SM = 4.1 MeV.
For the latter, we employ the tree level result, given by:

Γh,inv =
λ2
HSv

2
0

32πmh

(
1− 4m2

S

m2
h

)1/2

, (5)

where mh is the Higgs mass. We use mh = 125 GeV as
recently measured by ATLAS [71]. The expression for
σv written in Eq. (3) is particularly convenient because
very precise theoretical calculations and measurements
are present for the quantity Γh→i (see, e.g., [70]).

In Eq. (4), we write down the propagator within the
commonly used fixed-width prescription. This is typi-
cally a good approximation except when Γh is a rapidly
varying function of s. This can, in particular, happen
in the resonant region, mS ≈ mh/2, where the invisible
decay channel opens up close to the resonance [72]. In
this case, the running of the Higgs width has to be taken
into account by replacing mh in Eq. (5) with the center-
of-mass energy

√
s of the process. However, this effect is

only relevant for sizeable coupling, as quantified at the
end of Sec. III.

For the indirect detection signals, the cross section is
averaged over the DM particle velocity distribution, for
which we adopt the Standard Halo Model (see, e.g., [73]).
However, the cross sections in the SHP are essentially
s-wave, i.e. they do not depend on the velocity. The
only region of the parameter space where the velocity-
averaged annihilation cross-section 〈σv〉 depends on v is
very close to the Higgs resonance. While this region is
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FIG. 3: Left panel: Annihilation cross-section rescaled by λ−2
HS as a function of the coupling parameter λHS for four different

values of mS . For mS = 31 GeV and mS = 62 GeV, 〈σv〉 is dominated by the ff̄ final state; 〈σv〉 for mS = 90 GeV is
dominated by the W± channel while 〈σv〉 for mS = 330 GeV takes most of its contribution from the Higgs production. Right
panel: Ratio between the annihilation cross-section for the different channels (〈σv〉i) and the total one (〈σv〉tot) as a function
of the DM mass, computed for a fixed λHS = 0.01.

of high importance to our analysis, we nevertheless find
that the velocity-dependence is relevant only for veloci-
ties significantly larger than the typical DM velocity in
the Galactic halo. Therefore, for the typical Galactic
velocities, which are of the order of 10−3c, the velocity-
dependent term at the resonance contributes only up to
1%, while being negligible otherwise.

The expression of the annihilation cross-section for
all possible annihilation channels is provided in, e.g.,
Ref. [74]. Here, we simply summarize the formulae for
the relevant leading-order cross-sections and discuss their
dependence on the parameters mS and λHS . The scaling
of the velocity averaged annihilation cross-section for dif-
ferent DM masses is shown in Fig. 3 and it will be used
to guide the discussion. The annihilation cross-section
into a pair of fermions is given by (see, e.g., [74]):

σ =
λ2
HSm

2
fNc(s− 4m2

f )3/2

2πs
√
s− 4m2

s[(s−m2
h)2 + Γ2

hm
2
h]
, (6)

where Nc = 3 for quarks and Nc = 1 for leptons, and mf

is the fermion mass. If the S mass is above the Higgs
resonance (mS > mh/2), Γh is independent from λHS
and the annihilation cross-section into fermions scales as
λ2
HS (see Fig. 3 for mS = 90 GeV). This holds also for
λHS < 0.01 when mS < mh/2, because the decay of the
Higgs boson into DM particles is negligible with respect
to the decay into SM particles, and Γh remains approx-
imately equal to the SM one. Instead, for mS < mh/2
and λHS > 0.01, Γh gets a contribution which increases
proportional to λ2

HS [see Eq. (5)], thus adding an addi-
tional dependence on λHS in the cross section, so that
σ ∝ λ2

HS/(1 + kλ4
HS). Note, however, that the second

term in parentheses is subleading unless λHS approaches
the non-perturbative regime in which the validity of the

expression becomes questionable.
The cross section into W± and Z gauge bosons is given

by:

σ =
λ2
HS

√
s− 4m2

V (s2 − 4m2
V s+ 12m4

V )

4πs
√
s− 4m2

S [(s−m2
h)2 + Γ2

hm
2
h]

, (7)

where V stands for W± and Z. Most of the contribution
from the annihilation into W± and Z comes from DM
masses above the resonance for which Γh does not depend
on λHS . Therefore, the annihilation cross-section into
W± and Z scales as λ2

HS in the most relevant parameter
space (see Fig. 3 for mS = 90 GeV that is dominated by
the W± channel).

The cross section for annihilation into a pair of Higgs
bosons gives rise to a more lengthy expression that we
omit. However, in the non-relativistic limit, s→ 4m2

S , it
reduces to:

σ =

λ2
HS

√
1− m2

h

m2
S

[m4
h − 4m4

S + 2λHSv
2(4m2

S −m2
h)]2

4πm2
S(m4

h − 6m2
hm

2
S + 8m4

S)2
.

(8)
In this case, for λHS < 0.1 the annihilation cross-section
scales as λ2

HS . In contrast, for larger couplings, the poly-
nomial term in the numerator becomes more relevant
than all of the other terms, and the cross section scales
as λ4

HS . This is shown in Fig. 3 for the case of mS = 330
GeV, that is dominated by the annihilation into the Higgs
boson.

We also take into account the annihilation into the
gluon final states gg (see Fig. 2). This is a loop-induced
process, which is typically suppressed with respect to the
tree-level annihilation channels. In fact, its contribution
is at most 7% for mS ≈ 60 GeV. We do not take into
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account the annihilation channels into γγ, γZ and γh
because their contribution is at most at the few per mille
level.

While we have explicitly shown here some expressions
for the annihilation cross-section, useful to guide the dis-
cussion, we nevertheless calculate 〈σv〉 for all the anni-
hilation channels using MadDM1 [75–78], a plugin of
MG5 aMC [79, 80]. We utilise the UFO implementa-
tion [81, 82] for the SHP model. MadDM is linked to
Pythia for hadronization and showering. In this work,
we use MadDM version 3.2 [78] on top of MG5 aMC
version 2.9.9 (LTS) and Pythia version 8.3 [83].

For the annihilation channels into massive gauge or
Higgs bosons, we include their off-shell contributions.
This is particularly relevant for W± and Z final states,
while it has very minor effect in the case of the h bosons.
To this end, we calculate the cross section for the four-
body diagrams, where two bosons V V ′ are produced off-
shell from DM annihilation, subsequently decaying into
four fermions f :

SS → h→ V V ′ → 4f. (9)

The relative contributions of the different channels,
〈σv〉i/〈σv〉tot, is shown in Fig. 3 as a function of the
DM mass, with λHS = 0.01. For very small S masses,
the annihilation happens predominantly into cc̄ quarks
and τ+τ− leptons. For mS = (5− 50) GeV instead, the
main contribution comes from bb̄ annihilation. Finally,
for large DM masses the main channels are the one with
gauge and Higgs bosons. The effect of the off-shell contri-
bution of the gauge bosons is particularly relevant for the
annihilation involving W± bosons, which becomes the
main channel even below the on-shell production thresh-
old mS < mW .

For DM masses above 5 GeV, the contribution of τ+τ−

annihilation is larger than cc̄. This may seem to be
counter-intuitive since, from Eq. (6), the cross sections
for the two channels are σcc̄ ∝ 3m2

c and στ+τ− ∝ m2
τ .

Accordingly, one may expect σcc̄/στ+τ− = 3m2
c/m

2
τ > 1.

However, taking into account the running quark masses
in our calculation, we find mc ≤ 1 GeV [84] for mS ≥ 3
GeV, which leads to σcc̄ < στ+τ− .

C. Source energy spectra

The energy spectra dNp/dE of particles such as pho-
tons and antiprotons, produced from DM annihilation is
an important ingredient for the indirect detection of DM
(see Sec. VI). In order to calculate these spectra we use
the code MadDM, which first evaluates the annihilation
cross-sections. Subsequently, MadDM calls Pythia to

1https://launchpad.net/maddm

generate the spectra for the different annihilation chan-
nels, and determines the final energy spectra by averaging
the results obtained for each channel by 〈σv〉i/〈σv〉tot.

We include in the computation all channels (tree level
and loop induced) that we consider for the calculation of
the annihilation cross-sections (see Sec. II B). The spec-
tra we generate take into account final-state-radiation
(FSR) and electroweak emission of weak gauge bosons off
fermions, which are included by Pythia. With respect
to the computation of the tables provided in Ref. [85]
there are two important additions. First, we include the
contribution of off-shell W± and Z, which could be very
relevant between 60-90 GeV, as seen in Fig. 3. Second, we
take into account the polarization of W± and Z bosons.
This effect is particularly relevant for the spectra of an-
tiprotons. For all the technical details about FSR, elec-
troweak corrections and inclusion of W± and Z polariza-
tion see Appendix A.

We compute the DM spectra for masses between 2 GeV
and 20 TeV generating 106 events per point. For DM
masses above 110 GeV (where the hh channel introduces
a dependence of the relative contributions of to annihi-
lation on λSH) we vary λSH between 10−2 and 10.2 In
Fig. 4, we show the results for the DM spectra of γ rays
and p̄ for DM masses between 3 GeV and 10 TeV. The en-
ergy spectra, reported in terms of dN/d log10(x), where
x = K/mS with K being the kinetic energy, have a peak
at an energy value that shifts towards lower values when
increasing the DM mass. The p̄ spectrum is decreasing
for x < −2. Instead, the γ-ray spectrum has a flattening
at around x < [−6,−3] depending on the mass. This
change of shape is due to the contribution of the elec-
troweak corrections such as FSR.

III. RELIC DENSITY

The DM average density has recently been measured
by the Planck experiment to be ΩDMh

2 = 0.120 with
an uncertainty at the level of 1% [86]. In general, the
theoretical calculation of the DM relic abundance re-
quires to solve the Boltzmann equations for the DM
phase-space density fS(p) in an expanding Friedmann-
Robertson-Lemâıtre-Walker Universe [87, 88]:

E(∂t −Hp · ∇p)fS = C [fS ] , (10)

where E and p are the energy and momentum of the S
particle, and H is the Hubble expansion rate. The term
C is the collision operator that takes into account all the
interactions between DM and SM particles. In partic-
ular, C contains the operator for elastic scattering (Cel)

2We remind the reader that we are considering also the contribution
of off-shell Higgs bosons. Therefore, the annihilation channel into
hh is present also below mh = 125 GeV.

https://launchpad.net/maddm


6

6 5 4 3 2 1 0
log10(x)

10 4

10 3

10 2

10 1

100
dN

/d
lo

g 1
0(

x)

p

ms = 3 GeV
ms = 30 GeV
ms = 62 GeV
ms = 100 GeV
ms = 400 GeV
ms = 2000 GeV
ms = 10000 GeV

8 7 6 5 4 3 2 1 0
log10(x)

10 4

10 3

10 2

10 1

100

101

dN
/d

lo
g 1

0(
x)

 rays

ms = 3 GeV
ms = 30 GeV
ms = 62 GeV
ms = 100 GeV

ms = 400 GeV
ms = 2000 GeV
ms = 10000 GeV

FIG. 4: Left panel: Energy spectra (dN/d log10(x)) of p̄ for the SHP model plotted as a function of x = K/mS , where K is the
kinetic energy. We show the energy spectra for different DM mass values ranging from 3 GeV to 10 TeV. Right panel: Same
as left for the γ rays.

and annihilation (Cann). Elastic collisions are responsi-
ble for maintaining the kinetic equilibrium while inelastic
collisions keep the chemical equilibrium. See Ref. [66] for
a complete description of Cel and Cann.

For the canonical freeze-out of weakly interacting mas-
sive particles, a number of approximating assumptions
are usually applied that significantly simplify Eq. (10)
and its numerical solution. Most significantly, this con-
cerns the assumption of kinetic equilibrium between DM
and the SM bath throughout the entire process of chem-
ical decoupling. The assumption that the distribution
of S particles remains proportional to the thermal one,
fS ∝ fS,eq, simplifies the partial differential equation
Eq. (10) into an ordinary differential equation for the DM
number density, i.e., the well-known Zeldovich-Okun-
Pikelner-Lee-Weinberg equation [89, 90]:

dnS
dt

+ 3HnS = −〈σv〉T
(
n2
S − n2

S,eq

)
, (11)

where nS = gχ
∫
d3p/(2π)3fS(p) and 〈σv〉T is the ther-

mally averaged cross-section at temperature T . In
the non-relativistic regime, the S particle phase-space
density follows Maxwell-Boltzmann statistics fS,eq '
exp (−E(p)/T ) and 〈σv〉T reads:

〈σv〉T =

∫ ∞
4m2

S

ds
s
√
s− 4m2

SK1(
√
s/T )σv

16Tm4
SK

2
2 (mS/T )

, (12)

where Ki are the modified Bessel functions of order i.
The assumption of kinetic equilibrium is often well jus-
tified as elastic scattering processes can easily be orders
of magnitude larger than the annihilation processes that
initiate chemical equilibrium. This is due to the large
number density of light SM particles DM can scatter off
(compared to the Boltzmann suppressed number den-
sity of heavy DM particles during freeze out). How-
ever, this reasoning does not carry over to annihilation

via a resonant Higgs in s-channel. First, elastic scatter-
ing processes are not resonantly enhanced and, hence,
suppressed compared to annihilation. Second, as the
Higgs-SM couplings are proportional to the SM particles
masses, coupling to light particles – with unsuppressed
number densities – are small. As a result, kinetic equi-
librium can break down during chemical freeze-out and
the above assumption is unjustified [66]. In this case, the
full version of the Boltzmann equation must be solved,
with the inclusion of the elastic collision term.

We compute the relic density for S, hereafter called
ΩSh

2, in both setups, labelled as:

• fBE: the full solution of Eq. (10);

• nBE: the solution of Eq. (11), i.e., assuming kinetic
equilibrium during freeze-out.

In Ref. [66] the authors found that the relic abundance
predicted following the approximated approach nBE can
differ by up to an order of magnitude from the calcu-
lation obtained with the full Boltzmann equation, fBE.
We performed the relic density calculation using the code
DRAKE [67], developed by the authors of Ref. [66]. This
code solves the Boltzmann equation with both the mod-
els nBE and fBE. For a detailed explanation, see Ref. [67].

For the values of mS we considered, the freeze-out
takes place at temperatures around a few GeV. That
means we are close to the region in which the QCD
phase transition takes place, after which quarks become
confined in baryons and mesons. To take into account
this effect, we considered two different physics models,
which are implemented in the DRAKE code and stud-
ied in Ref. [66]. These two models are extreme scenar-
ios that are intended to bracket the uncertainties: The
first model, named QCDA, represents the case maximiz-
ing the elastic scattering for which all quarks are free
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FIG. 5: Left panel: Combination of parameters λHS and mS reproducing ΩSh
2 within a fraction (from 1% to 100%) of the

measured value of the relic abundance obtained by the Planck experiment, ΩDMh
2. Here ΩSh

2 is computed solving the full
Boltzmann equation taking into account both the elastic and annihilation collision operators (model fBE with QCDB with
DRAKE). Right panel: Comparison of the results obtained by solving the Boltzmann equation with both micrOMEGAs and
DRAKE [see Eq. (10)]. The micrOMEGAs line accounts only for the annihilation processes (nBE); the DRAKE lines assume
always fBE for the two extreme QCD phase transition choices, QCDA and QCDB .

and present in the plasma (according to their equilibrium
abundance) down to temperatures of Tc = 154 MeV. The
second model, named (QCDB), minimizes the elastic scat-
tering: only light quarks (u, d, s) can contribute, and
only considering temperatures above 4Tc ≈ 600 MeV.
This threshold ensures that hadronization effects are neg-
ligible.

For comparison, we also compute ΩSh
2 in the setup

nBE with micrOMEGAs3 [91–94]. We consider the
SHP model implementation shipped with the code. Both
DRAKE and micrOMEGAs take into account the off-
shell contributions of W± and Z gauge bosons, and the
contribution coming from loop-induced annihilation into
gluons.

The left panel of Fig. 5 shows the combination of pa-
rameters λHS and mS for which the relic density ΩSh

2

corresponds to the measured value ΩDMh
2 = 0.120. We

show the computation of the fBE model in the QCDB sce-
nario with DRAKE. The first consideration we can do
regards the resonance region: for mS ≈ mh/2 the value
of λHS decreases very quickly. This can be explained
with the resonant enhancement of the annihilation cross-
section for this particular parameter choice. As a re-
sult, the correct value of the relic abundance necessarily
requires a very small value of the coupling λHS . The
right panel of Fig. 5 shows the parameter λHS account-
ing for the correct relic density value as a function of
mS in the resonance region. We show the computations
performed with micrOMEGAs (which includes only the

3https://lapth.cnrs.fr/micromegas/

nBE model) and with DRAKE (for both the fBE QCDA
and QCDB models). The difference between the fBE case
and the normal approach nBE varies within a factor 0.5
and 2, and it is present in the range of DM masses be-
tween (50− 67) GeV. In particular, around 57 GeV, the
fBE result is approximately a factor of 2 larger than the
nBE one, while on the Higgs pole it differs by a factor of
∼ 0.5. In the figure we also show the difference between
the QCDA and QCDB assumptions, which is maximal in the
range (55− 60) GeV, where it is at the level of 40− 50%.
This region represents the uncertainty due to the QCD
phase transition. This is our main result for the com-
putation of the relic density, which properly takes into
account the kinetic and thermal parts of the Boltzmann
equation, thanks to the implementation of the fBE model,
additionally accounting for the QCD phase transition ef-
fect in the resonance region.

There are further corrections to the annihilation chan-
nel that can potentially become important close to the
resonance. As we will discuss in Sec. IV in the context of
LHC constraints, for mS very close to mh/2, the centre-
of-mass energies relevant in the annihilation process are
around the SS threshold. Accordingly, the change of the
Higgs width due to the opening of the SS decay chan-
nel can become relevant and the fixed-width calculation
can break down calling out for a running-width descrip-
tion [72]. However, for annihilation, we find that this
effect is larger than a few percent only for λHS > 0.3
in the region |mS − mh/2| ≈ 0.1 GeV. Accordingly, in
contrast to its relevance for LHC constraints, the effect
can be neglected in the computation of the relic density
since considerably smaller couplings are required in the
resonant regime. This is true even for the scenarios in

https://lapth.cnrs.fr/micromegas/
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which S constitutes a subdominant fraction of DM con-
sidered in Sec. VII. We neglect thermal corrections to the
Higgs width and virtual corrections to the annihilation
into an on-shell Higgs which have recently been computed
in Ref. [95]. However, these computations assume kinetic
equilibrium.

Finally, we mention an alternative mechanism to gen-
erate the DM density within the model. For very small
(or feeble) Higgs-portal couplings, DM may never ther-
malize with the SM bath. In this case, DM can be pro-
duced via freeze-in [96–98]. Explaining the measured
relic density in this scenario requires λHS ∼ 10−12−10−11

for mS = (50 − 70) GeV. Due to the non-efficient anni-
hilation processes in this regime, an initial abundance
from processes taking place during reheating cannot be
diluted as it is the case for thermalized DM discussed
above. Hence, this scenario faces further constraints from
physics of the very early Universe. Furthermore, the
annihilation rate is way below the one providing a de-
tectable signal in astroparticle data, such as the GCE
(see Sec. VII). We do not consider this case here.

IV. COLLIDER SEARCHES

Being independent of astrophysical uncertainties and
cosmological assumptions, collider searches for invisible
decays of the SM Higgs boson into SS constitute a ro-
bust probe of the model. For mS < mh/2, the singlet
scalar S can contribute to the invisible width Γh,inv of
the Higgs boson and we can directly reinterpret the limits
derived by the experimental collaborations. The invisible
branching ratio is:

Bh,inv =
Γh,inv

Γh,inv + Γh,SM
. (13)

The latest 95% CL upper limits on Bh,inv are 0.13 [99]
(ATLAS, preliminary) and 0.19 [100] (CMS, published).

In this work, we are interested in the resonant region,
mS ≈ mh/2, where contributions of an off-shell Higgs
boson production are relevant. Furthermore, as pointed
out in Ref. [72], the total Higgs boson width can become
a rapidly varying function of the invariant mass due to
the opening of the Higgs boson decay channel into SS
requiring a computation beyond the fixed-width descrip-
tion. This calls out for a more careful reinterpretation
of the experimental results. To this end, we follow the
method presented in Ref. [72].

Assuming the factorization of the Higgs boson produc-
tion and decay channels, in an analogue way to Eq. (3),
we can express the cross section for DM pair production
at the LHC as

σpp→SS =

∫
ds

π
σh(s) |Dh(s)|2

√
sΓh,inv(s) Θ(s− 4m2

S) ,

(14)
where σh(s) is the Higgs boson production cross-section
for an (off-shell) Higgs boson with invariant mass

√
s.
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FIG. 6: 95% CL upper limits for the parameter λHS as a func-
tion of the DM mass mS . We show the constraints obtained
from a reinterpretation of the ATLAS search in Ref. [101] and
the projected limits for the HL-LHC and HE-LHC at 14 and
27 TeV, respectively, taken from [72].

This equals the on-shell production cross-section of a SM-
Higgs-like scalar φ with mass mφ, σh(s = m2

φ) = σφ(mφ).

Ref. [99] reports a 95% CL upper limit on the product of
the cross section times the invisible branching ratio for
such a scalar. Using this result, we can employ Eq. (14)
to obtain limits on the DM coupling in our model without
the use of Monte Carlo simulations. We use the running
width in the Higgs propagator, i.e. replacing mh →

√
s in

Eq. (5) (see the appendix of Ref. [72] for further details).
We take the theoretical predictions for the cross section
σφ(mφ) from Refs. [70, 102].

The result for the 95% confidence level (CL) upper
limit on λHS is shown in Fig. 6 with a black, dashed
curve, as a function of mS . For mS well below mh/2
this result resembles the quoted upper limit on Bh,inv

of 0.13, obtained in [99], while it deviates strongly from
the so-obtained limit for mS & mh/2. Notice that the
constraint is about a factor of 2.5 stronger than the one
derived in Ref. [72] on the basis of Ref. [100]. We also
show the potential for future improvement of the limit at
the HL-LHC with 14 TeV and a HE-LHC upgrade with
27 TeV center-of-mass energy taken from Ref. [72].

V. DIRECT DETECTION SEARCHES

Direct detection experiments such as LZ and
XENONnT can provide very tight constraints on the
cross sections for the interactions of DM particle with nu-
cleons [103]. Direct detection experiments typically mea-
sure upper limits on the elastic scattering cross-section
off nucleons, as a function of the DM mass. For the
SHP model, the cross section is spin-independent only.
Both the XENONnT and the LZ experiments have re-
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cently released the tightest constraints so far on the spin-
independent cross-section [61, 62] given as a 90% CL
upper limit on σSI which are at the level of 10−47 cm2

for DM masses of the order of few tens of GeV. The
upper limits have been derived assuming the Standard
Halo Model. The local DM density ρ� is convention-
ally fixed at 0.3 GeV/cm3, while DM velocity follows
a Maxwellian velocity distribution, with velocity disper-
sion 220/

√
2 km/s, escape velocity vesc = 544 km/s, and

Earth velocity of vE = 232 km/s. XENONnT and LZ
are expected to reach upper limits at the level of 10−48

cm2 [103].
The spin-independent cross-section in the framework

of the SHP model is (see [69]):

σSI =
λ2
HS

4πm4
h

m4
Nf

2
N

(ms +mN )
2 , (15)

where mN is the nucleon mass. The term fN
parametrizes the Higgs-nucleon interaction:

fN =
∑
q

fq =
∑
q

mq

mN
〈N |q̄q|N〉, (16)

where the sum is made over all quark flavours q with
mass mq. A typical value of fN ≈ 0.3 is often adopted
[69].

To compute the spin-independent cross-section for the
SHP model, we used two numerical codes: MadDM
[76] and micrOMEGAs. The results found with mi-
crOMEGAs are larger than the one of MadDM by
a factor of 5%, independent from the DM mass. The
main features responsible for the difference are associ-
ated to the QCD corrections and to the contribution of
higher twist operators, which are not taken into account
in MadDM4.

In Fig. 7 we show the upper limits found using the
available data from the LZ [61] and XENONnT [62] ex-
periments. In particular, LZ can probe values of the
coupling parameter λHS as low as about 10−3 for DM
masses of a few tens of GeV. However, the local DM
density profile and its velocity distribution is character-
ized by sizable uncertainties. For DM masses below 10
GeV, the uncertainties on the velocity distribution play
an important role, while the ones on the value ρ� are the
dominant source of uncertainty at higher DM masses (see
[104]). Since the parameter space we are considering con-
sists of DM masses above 10 GeV, we take into account
only the uncertainties on ρ�, and we consider it to vary
in the range (0.2 – 0.6) GeV/cm3 [105–108]. In Fig. 7, left
panel, we show the uncertainty band associated to ρ�. In

4We verified that turning off the running of the QCD coupling
in micrOMEGAs (setting the variable qcdNLO=1 in the script
directDet.c), and turning off the contributions from higher twist
operators (setting Twist2On=0), the two codes give results which
are compatible within 1%.

the same plot we also show the projected sensitivity for
the future experiment DARWIN [64], which will reduce
the upper limits by nearly a factor of 4 for the considered
mass range.

Assuming that the total DM relic density can be asso-
ciated to only one single DM candidate, in our case the
S scalar, the differential rate of detection dR/dE is pro-
portional to σSI

SNρ�/mS , where ρ� is the local DM mass
density. On the contrary, assuming that the candidate
S constitutes only a fraction of the full DM component,
i.e. that the relic density of the particle S is a fraction of
the total DM relic density, we have to apply an appro-
priate rescaling to the cross section upper limit. Indeed,
in this case, the local DM density of the DM candidate
S is lower, and can be simply assumed to scale as:

ξ =
ΩSh

2

ΩDMh2
. (17)

Assuming that there is no difference in how the particle
S and the other DM components cluster in the Galaxy,
the local energy density of S can be written as

ρ�(S) = ξ · ρ�. (18)

As a consequence, the upper limits on σSI associated to
S can be computed as the parameter space of mS , λHS ,
satisfying the condition:

ξ · σSI(mS , λHS) ≤ σUL
EXP, (19)

where σUL
EXP is the 90% CL upper limit of the experiment

under consideration. In Fig. 7, right panel, we show
the results obtained by including the effects of consid-
ering a fraction of DM into the calculation of the relic
density. Using the LZ upper limit, the only region al-
lowed corresponds to S masses in the range (57−62.51)
GeV. Additionally, we also consider the projected DAR-
WIN upper limits and the remaining narrow region is
mS = (61 GeV − mh/2), i.e below mh/2. Over the res-
onance region, the couplings compatible with the direct
detection constraints are much larger than what is shown
in Fig. 7. For example, for mS = 60 GeV, the upper lim-
its on the coupling parameter increases by a factor of
about 100. Therefore, the requirement of achieving the
correct relic density for the S particles in the calculation
of the direct detection has the consequence of restricting
the mass range compatible with the data upper limits
but it provides weaker constraints on the λHS parameter
in the same mass range. Future experiments seem to not
be able to rule out values of λHS smaller than 0.1 if the
DM mass remains slightly below mh/2.

VI. INDIRECT DETECTION

Current experiments measuring cosmic particles, such
as γ rays, neutrinos or CRs, count the indirect detec-
tion of a possible DM signal among their most important
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FIG. 7: Left panel: The 90% CL upper limits for the parameter λHS as a function of the DM mass mS obtained with direct
detection experiments. We recast the exclusion limits of LZ [61] and XENON1T [62] along with the projected sensitivity for
the future experiments DARWIN [64] for the SHP model. The grey band represents the uncertainty in the upper limit induced
by the uncertainty on the local DM density ρ�, which we vary in the range (0.2 – 0.6) GeV/cm3. Right panel: Same as left
but with the constraints re-scaled on the basis of the actual value of ΩSh

2 following the assumption that the DM might be
subdominant or overabundant, i.e., by using Eq. (19). We show the allowed region obtained using the upper limits from the
LZ experiment [61] (green band) and the projected sensitivity for the future DARWIN experiment [64] (orange band). We also
show the combination of λHS and mS that provides the correct relic abundance and we display the region where the particle
S is overabundant with a grey band.

science cases (see, e.g., [41] for Fermi-LAT). In particu-
lar, these experiments focus their searches on the detec-
tion of fluxes of the rarest astrophysical particles such
as: photons (from radio to γ rays), neutrinos and an-
tineutrinos ν, antiprotons p̄, positrons e+ and antinu-
clei. Among these particles, photons and, to an even
larger extent, ν have the great advantage to travel al-
most undisturbed across the Universe and are able to
provide directional information. This allows to focus the
DM search in the direction of astrophysical sources which
are expected to have very large density of DM. Among
the most promising targets, we mention the Milky Way’s
Galactic center, dSphs and the clusters of galaxies. Cur-
rent experiments can detect astrophysical neutrinos for
energies above 1 TeV and with quite low statistics (see,
e.g., [109]). These two aspects make them not suitable for
our scopes. Concerning photons, we focus on the γ rays
detected by Fermi-LAT and we use the data available for
the GCE from Refs. [27, 28] and the recent analysis of
DM searches in dSphs from Refs. [29, 50]. Finally, we
consider among the CRs only antiprotons because the
SHP predicts a large hadronic production of these parti-
cles, while the e± production is less important. Finally,
we won’t consider cosmic antinuclei because currently no
firm detection has been published so far and upper limits
are much weaker than other probes (see, e.g., [110]).

A. The γ rays from the Galactic center and dwarf
galaxies

1. Model

The γ-ray emission from DM particle interactions in-
cludes two components: the direct and indirect produc-
tion. The first one is also called prompt emission and
it is due to the direct production of γ rays through an
intermediate annihilation channel. The prompt emission
is theoretically calculated as follows:

dN

dEdΩ
=

1

2

r�
4π

(
ρ�
mS

)2

J̄ × 〈σv〉
∑
f

〈σv〉f
〈σv〉

(
dNγ
dE

)
f

,

(20)
where ρ� is the local DM density, and r� is the distance
of the Earth from the center of the Galaxy. We use r� =
8.12 kpc, as measured recently in Ref. [111]. The term
J̄ is the geometrical factor averaged over the solid angle
∆Ω spanned by the region of interest (ROI) considered in
the analysis. This quantity is calculated as the integral
performed along the line of sight (l.o.s.) l of the squared
DM density distribution ρ2 normalized by ∆Ω:

J̄ =
1

∆Ω

∫
∆Ω

dΩ

∫
l.o.s.

dl

r�

ρ2[r(l,Ω)]

ρ2
�

. (21)

The term (dNγ/dE)f is the γ-ray spectrum from DM
annihilation for a specific annihilation channel labeled
as f and 〈σv〉f/〈σv〉 is its relative contribution of the
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annihilation cross section into a specific channel f with
respect to the total annihilation cross section. As ex-
plained in Sec. II C we calculate the source spectra in the
SHP model using MadDM.

In case of DM particles annihilating into leptonic chan-
nels, i.e. e+e−, µ+µ− and τ+τ−, there is a secondary
production of γ rays that could be relevant. This involves
e± produced from the prompt emission that can subse-
quently generate γ rays through inverse Compton scat-
tering on the interstellar radiation fields photons. This
component is particularly relevant for the Galactic center
where the density of the starlight and dust components
of the interstellar radiation fields are roughly a factor
of 10 higher than their local density (see, e.g., [112]). As
demonstrated in Ref. [29], hadronic annihilation channels
have a contribution from inverse Compton scattering rel-
evant only for energies below 1 GeV, for mS between tens
of GeV up to 100 GeV, which is the most interesting re-
gion in our analysis. For these energies, the uncertainties
in the GCE flux are very large and the significance of
detection is small. Therefore, we decide to neglect the
contribution of secondary γ rays coming from DM anni-
hilation.

The exact DM density distribution in the center of
the Galaxy is not well known. In Ref. [29], the authors
considered an hybrid approach to estimate the uncer-
tainty on the density profile. They took into account two
factors: the data on Galaxy rotation curve, which con-
strains ρ beyond a few kpc from the Galactic center; and
the GCE data, which fixes the density shape between
about 0.1 and few kpc under the assumption that the
GCE is originated by DM annihilation. Using this strat-
egy they identified three models, labeled as MIN, MED
MAX, that bracket the uncertainty on the geometrical
factor. In particular, they have found that the variation
for the J̄ value between the MIN and MAX models is

about a factor of 7. We considered this uncertainty in
our results. Instead, the uncertainty on J̄ for dSphs is
included directly in the analysis of the γ-ray data from
these objects. In fact, this parameter is treated as a nui-
sance parameter of the likelihood fit, using a gaussian
prior with an average taken as the observed geometrical
factor and with the 1σ error as the width (see [29, 50] for
more details).

2. Results

We first provide the results of the fit to the GCE data
found in [27, 28]. We perform a fit to the data taking
into account statistical and systematic errors. The latter
include the uncertainties due to the choice of the Galac-
tic interstellar emission model. The DM mass mS and
the annihilation cross section 〈σv〉 are free parameters
of the fit. The left panel of Fig. 8 shows the result of
the fit to the data found in [28], which gives the best-
fit values for the DM parameters: mS = (54 ± 6) GeV
and 〈σv〉 = (2.4 ± 0.4) cm3/s. The best-fit value for
the coupling parameter is between 0.03–0.18. It varies
significantly because the best-fit masses are close to the
Higgs resonance for which the 〈σv〉 increases dramati-
cally, and the required coupling decreases. This is visible
in the right panel of Fig. 8, where we show the χ2 pro-
file as a function of the parameters mS and λHS . When
mS ≈ 50 GeV, the value of λHS that fits the data is ap-
proximately (1−2)× 10−2. Close to the resonance mh/2,
the best-fit of the coupling decreases to values of the or-
der (1−2)× 10−4. This is due to the fact that by fixing
λHS , the 〈σv〉 increases significantly when mS ≈ mh/2.
For masses around (70−80) GeV, the best-fit value of the
coupling increases to values of the order 10−1. The χ2

profile we find using the data released in the other refer-
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ence considered in this paper for the GCE, i.e. Ref. [27],
is similar to the one shown in Fig. 8 and obtained from
the GCE SED obtained in Ref. [28]. As a final remark,
we remind that the geometrical factor for the Galactic
center is not well known. As seen before, in Ref. [29] an
uncertainty of about a factor of 7 in the J̄ value has been
estimated between the models describing the GCE den-
sity profile. This translates into a systematic also in the
best-fit of λHS . In particular, the calculation of the γ-ray
flux is proportional to 〈σv〉 · J̄ . That means a variation
of J̄ can be reabsorbed by an opposite variation of the
annihilation cross section, namely in a variation of the
value of the coupling λHS , where we have 〈σv〉 ∝ λ2

HS.
Therefore, a systematic of a factor of 7 in the geometrical
factor causes a systematic in the value of λHS of about√

7 ≈ 2.6.
We also analyzed the γ-ray constraints coming from

dSphs. In particular we use the results of Refs. [29, 50].
In the former, a sample of 48 dwarf galaxies, both clas-
sical and ultrafaint, have been analyzed using 11 years
of data and assuming that the objects are pointlike (i.e.
smaller than the Fermi-LAT point-spread function). In
the latter, 12 years of data in the direction of 22 dSphs
have been analyzed considering a spatial extended tem-
plates for the DM flux. In both cases no clear detec-
tion has been found with a maximum value of the test
statistic of the order of 9. Using the data released in
Refs. [29, 50] we determined the χ2 profile as a function
of the mS and 〈σv〉 as we did for the GCE. The peak of
the signal is located at masses around (50−300) GeV and
〈σv〉 ≈ (0.4−6)× 10−26 cm3/s.

B. Antiproton flux

DM annihilation can induce a primary flux of p̄. The
source term which denotes the differential production
rate of p̄ per volume, time and energy reads as:

Q(E, r) =

(
ρ(r)

ρ�

)2∑
i

〈σv〉i
〈σv〉

(
dNp̄
dE

)
i

, (22)

where (dNp̄/dE)i is the spectrum of p̄ produced from
DM particle interactions and it depends on the specific
annihilation channel assumed and labeled with i. In ad-
dition, there is an astrophysical antimatter background
which originates from the scattering of CR protons and
nuclei on the interstellar matter.

To properly calculate the flux of secondary and DM
antiprotons one should calibrate the galactic propaga-
tion parameters such that the spectra of primary parti-
cles reproduce AMS-02 observations. We use the results
presented in Ref. [113] where the authors have first fitted
the data sets of proton, helium, and the antiproton-to-
proton ratio from AMS-02 collected over 7 years [114] and
complement these data sets with low-energy data for pro-
tons and helium from the Voyager satellite [115]. Their
propagation model includes diffusion (parametrized by

a smoothly broken power-law in terms of the particle
rigidity), reacceleration, energy losses, secondary pro-
duction/fragmentation processes, and solar modulation
modelled is a force field approximation (see Ref. [113]
for details). By adding a possible DM contribution to
the antiproton source spectra, our analysis provides a χ2

profile as a function of the parameters mS and λHS of the
SHP model. We combine these results for p̄, published in
Ref. [113], with the ones found for γ rays from the Galac-
tic center and dSphs. The authors recently followed up
with an updated analysis [116]. In that work, they have
tested two models, labelled as INJ.BRK and DIFF.BRK.
The former describes the injection spectra of the primary
CRs with a broken power law using different slopes for p
and He. The diffusion coefficient is modeled as a broken
power law with a single break. The latter model, instead,
utilizes a single power law for the spectra, while the diffu-
sion coefficient has both a low and an high-energy break.
In this analysis, the authors perform fits to the AMS-02
antiproton data with and without including the possible
correlations [58] in the data. The INJ.BRK model pro-
vides evidence for a possible DM contribution similarly
to what has been found in Refs. [110, 113, 117].

For completeness, we considered both models in our
analysis. In particular, the INJ.BRK model results in very
minor changes on our constraints, while the DIFF.BRK
model shows that there is no evidence for a DM con-
tribution for masses below 100 GeV. As a consequence,
the latter model allows us to impose tight constraints on
the SHP model parameter space. We will discuss this
possibility in Sec. VII C.

VII. COMBINED RESULTS FROM DIRECT,
INDIRECT, COLLIDER SEARCHES AND

COSMOLOGY

A. The S particle as dominant dark matter
component

In this section we combine the results found previously
using γ-ray and p̄ cosmic data, collider, direct detection
constraints and cosmological measurements. We first
combine the results obtained using γ-ray and p̄ flux data
by summing the χ2 profile defined as a function of the
parameters mS and λHS . In Fig. 9 we show the best-fit
region from astroparticle data compared with the con-
straints from collider, direct detection and relic density.
For the direct detection we show the upper limits on λHS
obtained with the LZ data (see Sec. V) while for collider
searches we use the upper limits found with CMS data
for the vector boson fusion (see Sec. IV). There are two
intersections between the relic density and astroparticle
data. The first one is at a DM mass mS ≈ mh/2 and
λHS ≈ (1.4−1.7) × 10−4. This is compatible with the
collider and direct detection constraints. The second one
is for mS = (63 − 69) GeV and λHS = (2 − 6) × 10−2.
However, this part of the parameter space is ruled out
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FIG. 9: Left panel: Contour regions obtained with a combined fit to cosmic particle flux data (GCE, dSphs and antiprotons). We
also show the upper limits on λHS obtained from ATLAS data [101] (red dashed line) and the HL-LHC projections for 27 TeV
[72] (orange dotted line). Direct detection upper limits refer to LZ data [61] (brown dashed line) and projections to DARWIN
(purple dot-dashed). We also report the region of the parameter space compatible with the observed DM relic abundance
(green region) in case of model fBE, including the uncertainty coming from the different choice of the QCD correction approach,
labelled with QCD A and QCD B. Right panel: Same as in the left panel but for the region around the resonance mS ≈ mh/2.
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FIG. 10: Same as in the right panel of Fig. 9 but considering the MIN (left panel) and MAX (right panel) DM density
parameters for the GCE analysis.

by direct detection constraints. Therefore, the only re-
gion of the parameter space that fits well cosmic data,
compatible with relic density and consistent with col-
lider and direct detection constraints is for mS ≈ mh/2,
to be precise (10− 20) MeV smaller than mh/2, and
λHS = (1.4−1.7) × 10−4. As explained in Sec. VI A,
there is a quite large uncertainty related to the exact
DM density in the center of the Milky Way, which in
Ref. [29] has been estimated to be included among the
MIN, MED and MAX models. In Fig. 10, we show the
combined results obtained with the MIN and MAX mod-
els observing that a change of the DM density in the

center of the Galaxy has little to no effect on our con-
clusions. With these models, there is still a region very
close to the Higgs resonance which fits well cosmic fluxes
data and which is compatible with the collider and direct
detection experiments. The only quantity that changes
is the value of λHS that fits the cosmic fluxes data and
for which we have the correct relic abundance. By con-
sidering the MIN and MAX model the coupling can vary
in the range (1.2−2.0)× 10−4.
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FIG. 11: The same as in Fig. 9 but for various values of the ξ parameter, as labelled in the different frames.

B. The S particle as subdominant dark matter
component

In this section, we discuss the possibility that the S
particle is not the dominant component of DM density.
We therefore allow paramenter-space configurations for
which ΩSh

2 accounts from 1% up 100% of the measured
dark matter average density ΩDMh

2 (i.e. 0.01 ≤ ξ ≤ 1).
We verify whether the relic density regions are still com-
patible with astroparticle data best-fit regions and with
direct detection and collider constraints. In Fig. 5, we
show the parameter space of the SHP model providing
a fraction of the DM relic density. In order to find the
best-fit region for λHS and mS that fits cosmic fluxes
data, we consider the following. If the S particle repre-
sents a fraction ξ, according to Eq. (17), of the DM relic
abundance, the DM Galactic density should be rescaled
by the same amount ξ · ρ. The geometrical factor J̄ is
proportional to ρ2. This implies that J̄ ∝ ξ2. The J̄ -
factor enters in the calculation of the flux as Φ ∝ J̄ ∝ ξ2.
Thus, the rescaling of the S density implies that we need

to apply an opposite rescaling on the annihilation cross
section 〈σv〉 → ξ−2〈σv〉, in order to match the cosmic
flux data, as previously discussed in Sec. VI. Further-
more, given 〈σv〉 depends on λHS , the rescaling on the
cross section translates in the rescaling on λHS . Finally,
since 〈σv〉 scales with λ2

HS , for λHS < 0.1 (see Fig. 3),
we can just rescale the contraints on λHS shown in the
previous subsection by 1/ξ.

In Fig. 11, we show the results for the combined anal-
ysis for ξ = 0.3, 0.1, 0.03, and 0.01. When ξ = 0.3 (S
makes up 30% of total DM density) we see that the best-
fit region to cosmic data matching the relic abundance
corresponds to mS ≈ mh/2 and λHS = (2.3−2.7)×10−4,
which is consistent with the direct detection upper lim-
its. The second region with mass around mh/2 + 0.20
GeV and λHS = (0.8−1.8) × 10−2 is instead excluded
by LZ constraints. For ξ smaller than about 20%, also
the higher mass region of compatibility between cosmic
data and relic abundance becomes consistent with direct
detection upper limits. This is visible in Fig. 11 for the
case with ξ = 0.1 where there is still a region of compat-
ibility at about mS ≈ mh/2 and λHS ≈ 3 × 10−4 and
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FIG. 12: Best-fit regions for λHS as a function of ξ. The
green (blue) bands denote the regions where MS is slightly
smaller (larger) than mh/2. We also report the upper limits
from direct detection covered by LZ and the future prospects
for DARWIN.

the second one which is at mS ≈ mh/2 + 0.05 GeV has
λHS ≈ (0.5−1.2)× 10−2. The smaller the value of ξ, the
closer the high mass compatibility region is to the right
side of mS ≈ mh/2 with at the same time smaller values
of λHS . For ξ < 0.02 the two regions basically merge, as
can be see in Fig. 12 showing the two best-fit regions in
the ξ-λHS plane. For values of ξ smaller than 1% there
is no region of the parameter space for which the best-
fit from cosmic data is compatible with the relic density
calculation. Therefore, if ξ ≥ 0.20 the only region fitting
the cosmic data and compatible with the relic density
and direct detection constraints is for mS ≈ mh/2 with
values of λHS of the order of (1.5−4)× 10−4. Instead, if
ξ = 0.01−0.20, also slightly larger mS values are allowed,
of the order of 0.05 GeV larger, while the coupling can
be as large as 10−2.

The projected sensitivity of DARWIN is shown in
Figs. 11 and 12 as the purple dot-dashed curves. While
the region withmS . mh/2 and smaller coupling remains
out-of-reach for direct detection experiments in the fore-
seeable future, the region with mS & mh/2 (blue shaded
area) can be probed with the sensitivity of DARWIN.

The results presented in this section are consistent with
the ones reported in Ref. [24].

C. Results without the GCE and upper limits from
cosmic antiprotons

An alternative interpretation of the GCE states that it
originates from the cumulative flux coming from a popu-
lation of millisecond pulsars located in the Galactic bulge
[34–37]. If this is the case, tight constraints on a possi-
ble DM contribution in the Galactic center can be found
(see, e.g., [118]). Additionally, the analysis of a possible
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FIG. 13: Same as in Fig. 9 but with the upper limits de-
rived from CR antiprotons flux data from AMS-02, with dif-
ferent assumptions for the propagation setup. In particu-
lar the model labed as ‘DIFF’ (‘INJ’) stands for the model
DIFF.BREAK (INJ.BREAK) in Ref. [116]. Moreover, the cases
labeled as ‘Unc.’ and ‘Corr.’ refer to the case the uncertain-
ties are taken to be uncorrelated and correlated, respectively.

DM contribution to the cosmic ray flux of antiprotons
have not found any signal, and upper limits on the anni-
hilation cross section has been imposed in Ref. [116] with
the model DIFF.BREAK.

In this section, we report the results of our analysis
assuming that the DM is not responsible for the GCE.
We take into account the results obtained by Ref. [116]
with the model DIFF.BREAK. We can not use the results
of Ref. [118] since they do not consider the SHP model.

In Fig. 13, we show the results obtained with a com-
bined analysis of dSphs, as presented in Sec. VI A,
and with antiprotons, following the results published
in Ref. [116]. We considered both DIFF.BREAK and
INJ.BREAK models, with and without taking into account
correlations between data points. In particular, we dis-
play the 95% CL upper limits for λHS as a function of the
DM mass obtained for the two propagation setups used
in the antiproton analysis and the two cases of data cor-
relations. The upper limits rule out the region of the pa-
rameter space with mS ≥ mh/2 because for those masses
the values of λHS which satisfy the relic density are above
the upper limit curves. Instead, for mS < mh/2 the al-
lowed region contains masses below mh/2−0.05 GeV and
λHS smaller than a few times 10−4.

VIII. CONCLUSIONS

In this paper, we performed a detailed and updated
phenomenological study of the SHP model combining
data from indirect and direct detection, the LHC, and the
DM density measurement. We pinpointed the parameter
space that is both allowed by the constraints imposed
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by this data as well as preferred as an explanation of
the long-standing Fermi-LAT GCE and the AMS-02 an-
tiproton excess. The former set of data alone leaves the
resonant region mS ∼ mh/2 as one of only two allowed
windows of parameter space – the other one being the
high-mass region, mS & 3 TeV, which, however, requires
large couplings λHS & 1 and will entirely be probed by
future direct detection experiments, e.g., with DARWIN.
In the resonant region, in contrast, very small couplings
are sufficient to match the measured relic density con-
taining a spot with maximal resonant enhancement that
is out-of-reach for any direct detection and collider ex-
periment in the foreseeable future. This leaves indirect
detection as the only handle to conclusively probe this
scenario.

Accordingly, we further narrow down the parameter
space in the resonant region by testing its compatibil-
ity with the Fermi-LAT GCE and the AMS-02 antipro-
ton excess independently pointing to a DM mass around
mh/2. We utilize recent results from Refs. [27, 28] and
[113] based on 11 years of Fermi-LAT data and 7 years of
AMS-02 data, respectively, thereby improving over pre-
vious results obtained within the model. Furthermore,
special care has been taken in the precise computation of
the relic density by considering effects of kinetic decou-
pling that are highly relevant close to the resonance.

Two viable subregions fit both excesses while predict-
ing the right relic density: one slightly below and one just
above mh/2 among which the latter is, however, excluded
by direct detection due to the larger coupling required.
When allowing S to only constitute a fraction of the DM
density – while still being considered exclusively respon-
sible for the observed indirect detection excesses – more
possibilities open up. In particular, due to the different
scalings of indirect and direct detection rates with the
DM fraction, the latter subregion becomes allowed for a
fraction of 10% or less. Both subregions provide good
fits down to a DM fraction of 1% below which the relic

density and the indirect detection signals become incom-
patible.

Providing couplings in between 10−2 and 10−4, both
regions are extremely hard to probe with future experi-
ments. We showed that a HL-LHC and even a 27 TeV
HE-LHC could not test the model in the laboratory.
However, with the sensitivity of DARWIN, the subregion
with mS & mh/2 and coupling λHS & 2 × 10−3 can be
probed entirely.

A Python package enabling the fast calculation of the
dark matter spectra, relic density, as well as direct detec-
tion and collider constraints within the model is available
on Github.
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and K. Nippel, JCAP 12, 037 (2021), 2107.12395.

[114] M. Aguilar et al. (AMS), Phys. Rept. 894, 1 (2021).
[115] E. C. Stone, A. C. Cummings, F. B. McDon-

ald, B. C. Heikkila, N. Lal, and W. R. Web-
ber, Science 341, 150 (2013), ISSN 0036-8075,
https://science.sciencemag.org/content/341/6142/150.
full.pdf, URL https://science.sciencemag.org/

content/341/6142/150.
[116] S. Balan, F. Kahlhoefer, M. Korsmeier, S. Manconi, and

K. Nippel (2023), 2303.07362.
[117] M. Korsmeier, F. Donato, and M. Di Mauro, Phys. Rev.

D 97, 103019 (2018), 1802.03030.
[118] K. N. Abazajian, S. Horiuchi, M. Kaplinghat, R. E. Kee-

ley, and O. Macias, Phys. Rev. D 102, 043012 (2020),
2003.10416.

[119] J. Alwall et al., Comput. Phys. Commun. 176, 300
(2007), hep-ph/0609017.

https://dx.doi.org/10.1070/PU1966v008n05ABEH003030
https://dx.doi.org/10.1070/PU1966v008n05ABEH003030
https://link.aps.org/doi/10.1103/PhysRevLett.39.165
https://link.aps.org/doi/10.1103/PhysRevLett.39.165
https://cds.cern.ch/record/2715447
https://twiki.cern.ch/twiki/bin/view/LHCPhysics/CERNYellowReportPageBSMAt13TeV
https://twiki.cern.ch/twiki/bin/view/LHCPhysics/CERNYellowReportPageBSMAt13TeV
https://doi.org/10.1086%2F589615
https://science.sciencemag.org/content/341/6142/150
https://science.sciencemag.org/content/341/6142/150


19

Appendix A: Dark Matter energy spectra calculated
with MadDM

In this section we provide the technical details for the
calculation of the DM energy spectra with MadDM. In
particular, we refer to the computation of the quanti-
ties dNp/dE with p being γ rays, positrons, antiprotons
or neutrinos, that enter in the calculation of the flux of
particles produced from DM annihilation (see Sec. VI).

As a first step, given a value of the DM mass mS and
coupling λHS , MadDM calculates the cross section for
all the annihilation channels. Then, it obtains the rela-
tive contribution of each i-th channel as 〈σv〉i/〈σv〉, and
it calculates the final spectrum of a certain particle p as:

dNp
dE

=
∑
i

(dNp
dE

)
i
· 〈σv〉i
〈σv〉tot

, (A1)

summing over the different annihilation channels labeled
by the index i. During the calculation of the annihilation
cross sections, MadDM calls the MadEvent generator to
simulate events of the hard process, including the kine-
matics of the produced particles, eventually saving all
the information in a Les Houches Event (LHE) file [119].
Event numbers are generated proportional to the relative
contributions of the channel i, 〈σv〉i/〈σv〉tot.

In the next step, MadDM internally calls the Pythia
Monte Carlo generator, which takes as input the LHE file.
In particular, Pythia reads the LHE files and performs
a Monte-Carlo simulation of the hadronization and show-
ering of the DM annihilation final states, starting from
the kinematics defined in the LHE file itself, and produc-
ing final energy spectra of stable particles, such as pho-
tons, neutrinos, e± and p̄. At this stage, loop-induced
processes are handled differently: annihilation cross sec-
tion calculation and related event generation, as well as
the spectra simulation through Pythia, are performed
independently and separately from tree-level processes.
Eventually, the spectra obtained from both the tree-level
and loop-induced processes are combined according to
their respective branching ratios.

The energy spectra we generate take into account
FSR, which is included by Pythia using the command

PartonLevel:FSR=on, while we turn off initial-state-
radiation (PartonLevel:ISR=off), which is not present
for DM annihilating particles, and multi-particle inter-
actions (PartonLevel:MPI=off). We turn on the emis-
sion of weak gauge bosons off fermions which is part of
FSR by using TimeShower:weakShower = on. Our pro-
cedure differs from the one used in the Ref. [85] where the
authors have generated DM spectra in a model indepen-
dent framework. In particular, that approach implies the
process is created through a fake resonance with energy
equal to twice the DM mass, and making it decay into
the channel of interest. Some important effects are not
taken into account if following this method. The first is
related to off-shell contributions from the massive gauge
bosons. As we have seen in Fig. 3, the contribution of
off-shell W± and Z could be very relevant between (60–
90) GeV. The second effect is related to the polarization
of W± and Z bosons. By using the resonant mechanism
as in Ref. [85] the spin 1 gauge bosons are unpolarized,
resulting in the final fermions produced after their decay
to acquire the inaccurate kinematics. Instead, in our cal-
culation, we include the polarization of the gauge bosons
because, thanks to MadDM, we generate events up to
the fermions produced from the decay of the W± and Z
particles. When Pythia reads the LHE files, the kine-
matics of the final fermions inherited the fact that the
W± and Z have a polarization.

We show in Fig. 14 the effect of the polarization of the
W± and Z bosons for the production of antiprotons and
γ rays. In particular we consider three DM masses: 100,
300 GeV and 3 TeV. The effect is more relevant for higher
DM masses in the p̄ channel, with respect to γ rays. In
fact, for photons and mS = 100 GeV the effect accounts
for a few % correction up to energies very close to the
DM mass where the unpolarized spectra are larger by a
factor between (20−25)%. Increasing mS , the effect on
the γ-ray spectra starts to be visible also at lower energies
where the differences can be of the order of (10−20)%.
Instead, for the production of p̄, the effect could be larger
and reaches even (40−50)% at small energies and large
values of mS . In any case, the effect is small at the peak
of the spectra, in units of x2(dN/dx), where x = E/mS ,
and increases in the low and high-energy tails.
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FIG. 14: Left panel: Spectra of p̄ from DM annihilation in SHP model, reported as x2 dN
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Abstract Type Ia supernovae (SNe Ia) play a key role in the fields of astrophysics and cosmology. It is
widely accepted that SNe Ia arise from thermonuclear explosions of white dwarfs (WDs) in binary systems.
However, there is no consensus on the fundamental aspects of the nature of SN Ia progenitors and their
actual explosion mechanism. This fundamentally flaws our understanding of these important astrophysical
objects. In this review, we outline the diversity of SNe Ia and the proposed progenitor models and explosion
mechanisms. We discuss the recent theoretical and observational progress in addressing the SN Ia progenitor
and explosion mechanism in terms of the observables at various stages of the explosion, including rates and
delay times, pre-explosion companion stars, ejecta–companion interaction, early excess emission, early
radio/X-ray emission from circumstellar material (CSM) interaction, surviving companion stars, late-time
spectra and photometry, polarization signals, and supernova remnant properties, etc. Despite the efforts from
both the theoretical and observational side, the questions of how the WDs reach an explosive state and what
progenitor systems are more likely to produce SNe Ia remain open. No single published model is able to
consistently explain all observational features and the full diversity of SNe Ia. This may indicate that either
a new progenitor paradigm or the improvement of current models is needed if all SNe Ia arise from the same
origin. An alternative scenario is that different progenitor channels and explosion mechanisms contribute to
SNe Ia. In the next decade, the ongoing campaigns with the James Webb Space Telescope (JWST), Gaia and
the Zwicky Transient Facility (ZTF), and upcoming extensive projects with the Vera C. Rubin Observatory
Legacy Survey of Space and Time (LSST) and the Square Kilometre Array (SKA) will allow us to conduct
not only studies of individual SNe Ia in unprecedented detail but also systematic investigations for different
subclasses of SNe Ia. This will advance theory and observations of SNe Ia sufficiently far to gain a deeper
understanding of their origin and explosion mechanism.

Key words: binaries: close – methods: numerical – supernovae: general

1 INTRODUCTION

Supernovae (SNe) are highly energetic explosions of some
stars, that are so bright that they can outshine an entire
galaxy. Their typical bolometric luminosities reach the or-
der of 1043 erg s−1, which is about ten billion times the so-
lar luminosity. SNe play an important role in the fields of
astrophysics and cosmology because they have been used
as cosmic distance indicators, and they are heavy-element
factories (especially for intermediate mass and iron-group
elements), kinetic-energy sources, and cosmic-ray accel-

erators in galaxy evolution. SNe are also key players in
the formation of new-generation stars by triggering the col-
lapse of molecular clouds. SNe are generally classified into
two main categories according to spectroscopical features:
Type I and Type II SNe (Minkowski 1941; Filippenko
1997; Parrent et al. 2014). Type I SNe have no hydrogen
(H) lines in their spectra whereas Type II SNe contain ob-
vious H lines. Type Ia SNe (SNe Ia) are a subclass of Type I
which exhibit strong singly ionized silicon (Si) absorption
(Si ii at 6150, 5800 and 4000 Å) feature in their spectra.

http://arxiv.org/abs/2305.13305v1
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SNe Ia are widely thought to be thermonuclear
explosions of white dwarfs (WDs) in binary systems
(Hoyle & Fowler 1960). They have been found to oc-
cur in all galaxy types. Their typical peak luminos-
ity in the B-band is about MB = −19.5 mag, and
the typical kinetic energy is ∼ 1051 erg (Branch et al.
1993; Hillebrandt & Niemeyer 2000). The light curves of
SNe Ia are powered by the Comptonization of γ-rays
produced by the radioactive decay of 56Ni → 56Co →
56Fe, with respective half-life times of 6.1 and 77 days
(Truran et al. 1967; Colgate & McKee 1969; Arnett 1982;
Hillebrandt et al. 2013). SNe Ia have been successfully
used as cosmic distance indicators to constrain cosmo-
logical parameters, which has led to the discovery of
the accelerating expansion of the Universe (Riess et al.
1998; Perlmutter et al. 1999; Schmidt et al. 1998) – a
breakthrough awarded with the 2011 Nobel Prize in
physics. Despite their importance and far-reaching im-
plications, the specific progenitor systems as well as the
explosion mechanism of SNe Ia remains enigmatic (e.g.
Hillebrandt & Niemeyer 2000; Hillebrandt et al. 2013;
Wang & Han 2012; Maoz et al. 2014; Ruiz-Lapuente
2014; Maeda & Terada 2016; Livio & Mazzali 2018;
Röpke & Sim 2018; Soker 2019). This affects the reliabil-
ity of necessary assumptions such as those of universal-
ity of their calibration as distance indicators. Recently, it
was found that the local measurements of the Hubble con-
stant (H0) based on SNe Ia is inconsistent with the value
inferred from the cosmic microwave background radiation
observed by the Planck satellite assuming a ΛCDM cos-
mological world model (Planck Collaboration et al. 2020).
To determine whether this so-called “H0 tension” hints to
new physics, it is critical to improve our understanding of
SNe Ia and, more specifically, their progenitors and explo-
sion mechanisms.

2 THE DIVERSITY OF SNe Ia

A large fraction of observed SNe Ia (∼ 70%) is found
to show remarkable homogeneity and quantifiable het-
erogeneity, and they exhibit a clear empirical relation-
ship between light curve width and peak luminosity, i.e.,
the so-called “Phillips relation” (sometimes known as
the width–luminosity relation [WLR], Pskovskii 1977;
Phillips 1993; Phillips et al. 1999). These SNe Ia are
usually referred to as “normal SNe Ia”, and they have
long been used as standardizable candles for mea-
suring cosmological distances (Leibundgut 2001, 2008;
Goobar & Leibundgut 2011). However, an increasing
number of SNe Ia has been observed that does not fol-
low the Phillips relation (see Fig. 1), and they are diverse
in their observational characteristics such as light curve
shape, peak luminosity and spectral features (Benetti et al.

2005; Blondin et al. 2012; Jha 2017). For these reasons,
SNe Ia have been classified into different sub-classes di-
verging from normal events, which include 1991T-likes
(Filippenko et al. 1992a; Phillips et al. 1992), 1991bg-
likes (Filippenko et al. 1992b; Leibundgut et al. 1993),
SNe Iax (i.e., SN 2002cx-likes; Li et al. 2003; Foley et al.
2013), 2002es-likes (Ganeshalingam et al. 2012), Ca-
rich objects (i.e., SN 2005E-like; Perets et al. 2010;
Kasliwal et al. 2012), super-Chandrasekhar objects (i.e.,
SN 2003fg-likes; Howell et al. 2006; Hicken et al. 2007),
SNe Ia-CSM (Hamuy et al. 2003) and fast decliners
(Taubenberger 2017). The diversity of SNe Ia has recently
been reviewed by Taubenberger (2017), we only skim the
surface here (see also Jha et al. 2019; Ruiter 2020).

1991T-like objects form a luminous, slow-declining
subclass of SNe Ia, named after the well-observed
SN 1991T (Filippenko et al. 1992a; Jeffery et al. 1992;
Phillips et al. 1992). Their optical spectra at pre-maximum
phases show extremely weak Ca II H & K and Si II λ6355
and strong Fe III absorption features. 91T-like SNe are ex-
pected to be on average 0.2–0.5 mag more luminous than
normal SNe Ia with similar decline rate (Blondin et al.
2012; Phillips et al. 2022). 1991T-like SNe are found pref-
erentially in late-type galaxies, suggesting that they are
likely associated with young stellar populations (Li et al.
2011c). It has been suggested that 1991T-like SNe could
contribute 2%–9% to all SNe Ia in the local Universe
(Li et al. 2011c; Leaman et al. 2011; Blondin et al. 2012).

1991bg-like objects are a cool, subluminous, and
fast-declining subclass of SNe Ia with low ejecta veloc-
ity (Filippenko et al. 1992b; Ganeshalingam et al. 2012).
Typically, they are fainter than normal SNe Ia in opti-
cal band up to 2.5 mag (Sullivan et al. 2011). Their spec-
tra at maximum light show strong Ti II absorption, in-
dicating a relatively cool photosphere. 1991bg-like SNe
are found preferentially in early-type (i.e., passive) galax-
ies (Howell 2001; Li et al. 2011c). Only few 1991bg-like
SNe have been found in spiral galaxies. This suggests
old stellar populations for the progenitors of 1991bg-like
SNe. There is no agreement about the rates of 1991bg-
like SNe in the literature, estimates range from 6%–15%
of all SNe Ia (Ganeshalingam et al. 2010; Li et al. 2011c;
Silverman et al. 2012).

SNe Iax are proposed as a hot, sublumious, subclass of
SNe Ia (e.g. Li et al. 2003; Foley et al. 2013). SNe Iax are
fainter than normal SNe Ia and highly skewed to late-type
galaxies (e.g. Foley et al. 2013). Their explosion ejecta are
characterized by low expansion velocities and show strong
mixing features. Their maximum-light spectra show sim-
ilar features to those of 1991T-like SNe, which are char-
acterized by weak Si II λ6355 features and dominated by
Fe III lines. In addition, strong He lines are identified in
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Fig. 1 Distributions of normal SNe Ia and different subclasses in the peak luminosity vs. light curve width (∆m15(B);
Phillips 1993) diagram. Figure is reproduced based on Figure 1 of Taubenberger (2017).

spectra of two events, i.e., SN 2004cs and SN 2007J. The
late-time spectra of SNe Iax are dominated by narrow
permitted Fe II (Jha et al. 2006; Jha 2017). It has been
suggested that they contribute about 1/3 of total SNe Ia
(Li et al. 2001; Foley et al. 2013).

2002es-like objects are another cool, rapidly fad-
ing, subluminous subclass of SNe Ia which have a peak
luminosity and ejecta velocity (∼ 6000 km s−1) similar
to SN 2002cx (Ganeshalingam et al. 2012; White et al.
2015). Their spectra at near maximum light phases
share some characteristics in common with the sub-
luminous 1991bg-like SNe, which are clearly charac-
terized by strong Ti II, Si II, and O II absorption fea-
tures (Taubenberger 2017). However, 2002es-like SNe
do not have the fast-declining light curves characteris-
tic of 1991bg-like events. White et al. (2015) suggested
that 2002es-like events tend to explode preferentially
(but not exclusively) in massive, early-type galaxies
(Li et al. 2011c). Ganeshalingam et al. (2012) suggested
that SN 2002es-like objects should account for ∼ 2.5% of
all SNe Ia.

Calcium-rich objects (Ca-rich) constitute a pecu-
liar subclass of SNe Ia with SN 2005E as a prototype
(Perets et al. 2010; Kasliwal et al. 2012; De et al. 2020).

Ca-rich SNe are primarily characterized by peak magni-
tudes of −14 to −16.5 mag, rapid photometric evolution
with typical rise times of 12–15 days, and strong Ca fea-
tures in nebular phase spectra (Kasliwal et al. 2012). They
exhibit low ejecta and 56Ni masses of . 0.5 M⊙ and
. 0.1 M⊙, respectively (Lunnan et al. 2017). The majority
of Ca-rich SNe has been observed in early type galaxies
(Kasliwal et al. 2012; Lyman et al. 2013) and the inferred
rates of such SNe are likely in the range of 5%–20% of
the normal SN Ia rates1 (Perets et al. 2010; Kasliwal et al.
2012; De et al. 2020).

Super-Chandrasekhar objects are sometimes
known as SN 2003fg-like SNe (Howell et al. 2006;
Hicken et al. 2007; Scalzo et al. 2010; Silverman et al.
2011; Hsiao et al. 2020; Srivastav et al. 2023). They are
referred to as “super-Chandrasekhar SNe” because a
differentially rotating WD with a super-Chandrasekhar
mass of ∼ 2.0 M⊙ was used to interpret the observations of
SN 2003fg (Howell et al. 2006). The main features of this
subtype are summarized by Ashall et al. (2021): They are
generally characterised by high luminosities (B-band peak
absolute magnitudes of −19 < MB < −21 mag), broad

1 The fact that the rate estimates of sub-classes of SNe Ia do not add
up to 100% indicates that there are large uncertainties on the estimated
contributions of different sub-classes.
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light curves (∆m15(B) < 1.3 mag, defined as the decline
in the B-band magnitude light curve from peak to 15 days
later), and relatively low ejecta velocities. This is puzzling
for a theoretical explanation: the first two properties point
to a powerful explosion which seems to be at odds with the
low ejecta velocities. They have only one i-band maximum
which peaks after the epoch of the B-band maximum,
but with weak (or without) i-band secondary maximum.
Their maximum-light spectra do not show a Ti II feature;
in addition, their nebular-phase spectra are characterized
by a low ionization state. Super-Chandrasekhar SNe
seem to be preferentially found in low-mass galaxies,
indicating that they prefer a low-metallicity environment
(Taubenberger et al. 2011). They seem to make up a small
fraction of SNe Ia, but their exact rates are still unknown
(Silverman et al. 2011; Taubenberger 2017; Ashall et al.
2021).

SNe Ia-CSM are a subclass named after the discov-
ery of SN 2002ic (Hamuy et al. 2003; Deng et al. 2004),
although there is still a debate on whether these objects are
SNe Ia or in fact core-collapse SNe (Benetti et al. 2006;
Silverman et al. 2013; Inserra et al. 2014). A list of several
common features of SNe Ia-CSM has been compiled by
Silverman et al. (2013). They have a range of R-band peak
absolute magnitudes of −19 < MR < −21.3 mag, and they
exhibit narrow hydrogen emission features in their spectra
(Dilday et al. 2012; Silverman et al. 2013). The presence
of narrow H lines is thought to arise from circumstellar-
material (CSM), which is strongly indicative of mass loss
(or outflows) of the progenitor system prior to the SN ex-
plosion. An initial systematic study of this subclass has
been presented by Silverman et al. (2013), and it has been
recently updated by Sharma et al. (2023). SNe Ia-CSM are
preferentially found in late-type spirals and irregular galax-
ies, indicating the origin from a relatively young stellar
population (Silverman et al. 2013). The rate of SNe Ia-
CSM is estimated to be no more than a few per cent of
the SN Ia rates (Han & Podsiadlowski 2006; Dilday et al.
2012; Silverman et al. 2013; Gal-Yam 2017; Dubay et al.
2022; Sharma et al. 2023).

Fast decliners are rare and the extremely rapidly
declining SNe. So far, this class includes SN 1885A,
SN 1939B, SN 2002bj, SN 2005ek, SN 2010X
(Poznanski et al. 2010; Kasliwal et al. 2010; Perets et al.
2011; Drout et al. 2013; Taubenberger 2017). Whether
these peculiar objects arise from thermonuclear explosions
of WDs or core-collapse explosions of massive stars
remains open (Bildsten et al. 2007; Shen et al. 2010;
Kasliwal et al. 2010; Gal-Yam 2017). There is no conclu-
sion on whether or not all of these objects actually belong
to the same class of events (Taubenberger 2017; Jha et al.
2019).

3 PROGENITORS AND EXPLOSION

MECHANISMS

It is widely accepted that SNe Ia arise from thermonu-
clear explosions of white dwarfs (WDs) in binary systems
(Hoyle & Fowler 1960). However, there is no consensus
on the fundamental aspects of the nature of SN Ia progeni-
tors and their explosion mechanism from both, the theoret-
ical and observational side (see, e.g., Wang & Han 2012;
Hillebrandt et al. 2013; Maoz et al. 2014; Maeda & Terada
2016; Livio & Mazzali 2018; Soker 2019, for reviews).
In this section, potential progenitor models and explosion
mechanisms of SNe Ia are briefly summarized.

3.1 Progenitor scenarios

3.1.1 Single-degenerate scenario

In the single-degenerate (SD) scenario, a WD ac-
cretes hydrogen-rich or helium-rich material from a non-
degenerate companion star through Roche-lobe over-
flow (RLOF) or stellar wind until its mass approaches
the Chandrasekhar-mass (≈ 1.4 M⊙), at which point a
thermonuclear explosion ensues (Whelan & Iben 1973;
Nomoto 1982b,a; Nomoto et al. 1984). The companion
star could be either a main-sequence (MS) star, a subgiant
(SG), a red giant (RG), an asymptotic giant-star (AGB),
or a He star (Hachisu et al. 1999; Han & Podsiadlowski
2004; Ruiter et al. 2009; Meng et al. 2009; Wang et al.
2009). It has been suggested that a Chandrasekhar-mass
WD can undergo a deflagration, or a detonation (see, e.g.,
Röpke 2017, for an overview of thermonuclear combus-
tion in white dwarfs), or a delayed detonation to lead
to a SN Ia explosion (e.g. Arnett 1969; Nomoto et al.
1984; Woosley et al. 1986; Khokhlov 1989; Hoeflich et al.
1995; Plewa et al. 2004; Röpke & Hillebrandt 2005;
Röpke & Niemeyer 2007; Röpke et al. 2007b; Fink et al.
2014; Marquardt et al. 2015; Seitenzahl et al. 2016). In
the SD scenario, SNe Ia are thought to arise from
Chandrasekhar-mass WDs (double detonation explosions
of sub-Chandrasekhar mass WDs could happen when ac-
creting from a He-star companion; see Section 3.2.3), the
homogeneity of the majority of SNe Ia therefore can be
well explained by this scenario. A schematic illustration of
main binary evolutionary paths for producing SNe Ia in the
SD scenario is given in Fig. 2.

One of the key questions in the SD scenario is how the
WD retains the accreted companion material and grows
in mass to approach the Chandrasekhar limit (i.e. the
mass-retention efficiency of onto the WD). The SD sce-
nario requires that the WD accretes material at a rela-
tively narrow range of accretion rates of a few × (10−8–
10−7 M⊙ yr−1) to allow steady burning of accreted mate-
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Fig. 2 Schematic illustration of binary evolutionary paths for SNe Ia in the SD and DD scenario (see also Wang 2018).
Note that evolutionary channels here are not complete and that new channels may still be proposed in the future.

rial (Paczynski 1976; Fujimoto 1982a,b; Livio et al. 1989;
Nomoto et al. 2007; Shen & Bildsten 2007; Wolf et al.
2013; Piersanti et al. 2014; Wang 2018), which causes dif-
ficulties for explaining the observed nearby SN Ia rate
(see Section 4). Moreover, some recent observations seem
to pose a challenge to the SD scenario (see Section 5)
such as the missing of surviving companion stars
in supernova remnants (SNRs) (Kerzendorf et al. 2012;
Schaefer & Pagnotta 2012; Ruiz-Lapuente et al. 2018), the
absence of swept-up H/He in their late spectra (Leonard
2007; Tucker et al. 2020) and low X-ray flux from nearby
elliptical galaxies (Gilfanov & Bogdán 2010; Woods et al.
2017; Kuuttila et al. 2019). In addition, although the SD
scenario makes the explosion rather homogenious, it turns
out to be difficult to cover the observed ranges in brightness
and decline rates in this scenario. However, to conclude
whether the SD scenario is promising for producing the
majority of SNe Ia requires comparing a full range of pre-
dicted observational consequences from this scenario with
the observations of SNe Ia (see discussions in Section 5).

A number of candidate progenitors have been sug-
gested for the SD scenario, including cataclysmic variable
stars like classic novae, recurrent novae and dwarf novae
(Webbink et al. 1987; Hachisu & Kato 2001; Warner
2003)), supersoft X-ray sources (van den Heuvel et al.
1992), symbiotic systems (Webbink et al. 1987;
Yungelson & Livio 1998) and WD + hot-subdwarf
binaries (see Section 3.2.3; Iben & Tutukov 1994;
Nelemans & Tauris 1998; Geier et al. 2013).

In the SD scenario, a WD accretes and retains com-
panion matter that carries angular momentum. As a
consequence the WD spins with a short period which
leads to an increase of the critical explosion mass. If
the critical mass is higher than the actual mass of
the WD, the SN explosion could only occur after the
WD increases the spin period with a specific spin-
down timescale. This scenario is known as the “spin-
up/spin-down model” (Di Stefano et al. 2011; Justham
2011; Hachisu et al. 2012b). In this model, if the spin-
down timescale is longer than about 106 yrs, the CSM
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around the progenitor system could become diffuse and
reach a density similar to that of the ISM. This could
explain the lack of radio and X-ray emission from
SNe Ia in agreement with the current radio and X-ray
observations (Margutti et al. 2012; Chomiuk et al. 2016;
Lundqvist et al. 2020; see Section 5.4.1). Also, the H-
rich or He-rich companion star (i.e., MS, subgiant, RG
and He star) may shrink rapidly before the SN Ia ex-
plosion occurs by exhausting most of its H-rich or He-
rich envelope during a long spin-down (& 108 yrs) phase
to become a WD or a hot subdwarf star (Hachisu et al.
2012a; Meng & Li 2019; Meng & Luo 2021). This would
explain the non-detection of a pre-explosion compan-
ion star (Maoz & Mannucci 2008; Bloom et al. 2012;
Kelly et al. 2014; see Section 5.1) in SNe Ia and the ab-
sence of swept-up H/He in their late spectra (Leonard
2007; Tucker et al. 2020; see Section 5.2.1). However, no
(or weak) interaction signature of shocked gas is pre-
dicted in this scenario, which makes it difficult to ex-
plain the early excess luminosity (see Section 5.2.2) seen
in some SNe Ia such as iPTF14atg (Cao et al. 2015)
and SN 2012cg (Marion et al. 2016). The exact spin-
down timescale of the WD in this model is uncer-
tain (Hachisu et al. 2012b; Meng & Podsiadlowski 2013;
Maoz et al. 2014; Wang et al. 2014a) but a key to the suc-
cess of the model.

3.1.2 Double-degenerate scenario

In the original double-degenerate (DD) scenario, two
carbon-oxygen (CO) WDs in a binary system are brought
into contact by the emission of gravitational wave radia-
tion and merge via tidal interaction into one single ob-
ject, triggering a SN Ia explosion if the combined mass
exceeds the Chandrasekhar-mass limit (Webbink 1984;
Iben & Tutukov 1984). There are a number of evolutionary
paths that can lead to SN Ia explosions in the DD scenario
(Han 1998; Toonen et al. 2012; Yungelson & Kuranov
2017; Liu et al. 2018, see Fig 2). The key question of
the original DD scenario is whether the merger of two
WDs could successfully lead to an SN Ia explosion.
Different calculations have predicted that the merger of
two WDs would likely cause the formation of neutron
stars through accretion-induces collapse (AIC) rather than
SN Ia explosions (Saio & Nomoto 1998; Nomoto & Iben
1985; Kawai et al. 1987; Timmes et al. 1994; Shen et al.
2012; Schwab et al. 2016; Schwab 2021). The accretion
from the secondary WD onto the primary WD during
the merger process may lead to burning in the outer lay-
ers of the WD rather than central burning, which would
turn the original carbon-oxygen WD into an oxygen-neon-
magnesium (ONeMg) WD. A Chandrasekhar-mass ONe

WD is thought to be prone to collapse into a neutron star
via AIC. However, there are possibilities to avoid AIC af-
ter the merger of two CO WDs. For instance, Yoon et al.
(2007) concluded that the merger of two CO WDs could
avoid off-center C-burning and explode as an SN Ia in the
thermal evolution phase if the rotation of the WDs is taken
into account.

In the past decades, a number of numerical sim-
ulations have investigated the merger of two WDs
(Benz et al. 1990; Rasio & Shapiro 1995; Segretain et al.
1997; Guerrero et al. 2004; Lorén-Aguilar et al. 2009;
Fryer et al. 2010; Pakmor et al. 2010, 2012; Dan et al.
2011; Raskin et al. 2012, 2014; Moll et al. 2014; Sato et al.
2015). More importantly, some recent theoretical studies
have shown that the merger of two WDs can eventually
trigger an SN Ia explosion in ways that are different from
the original DD scenario. For instance, a carbon detonation
can be directly triggered by the interaction of the debris of
the secondary WD with the primary WD during the vio-
lent merger phase of two CO WDs to eventually trigger
an SN Ia explosion (i.e. the “violent merger model”; see
Section 3.2.4; Pakmor et al. 2010, 2012; Sato et al. 2015).
If the secondary WD in a DD binary system is a pure He
WD, an initial He detonation could be triggered by accu-
mulating a He shell on top of the primary CO WD through
stable mass transfer, eventually triggering the C-core det-
onation near the center to successfully cause an SN Ia.
This corresponds to the sub-Chandrasekhar-mass double-
detonation scenario (see Section 3.2.3; Fink et al. 2007,
2010; Moll & Woosley 2013; Gronow et al. 2020, 2021a;
Boos et al. 2021). In addition, unstable mass transfer could
also lead to the presence of He in the surface layers of the
primary CO WD if the secondary WD is either a He WD or
a hybrid HeCO WD, which could successfully give rise to
an SN Ia during the coalescence itself through the double
detonation mechanism (i.e. the He-ignited violent merger
model decribed in Section 3.2.5; Guillochon et al. 2010;
Dan et al. 2011; Pakmor et al. 2013, 2021, 2022; Roy et al.
2022).

There are some evidences in favour of the DD
scenario (see Sections 4 and 5 for a detailed discus-
sion). Binary population synthesis (BPS) calculations
have shown that the predicted SN Ia rates and de-
lay times from the DD scenario could well reproduce
those inferred from the observations (Nelemans et al.
2001; Ruiter et al. 2009, 2013; Mennekens et al. 2010;
Toonen et al. 2012; Yungelson & Kuranov 2017). In ad-
dition, the non-detection of pre-explosion companion
stars in normal SNe Ia (Li et al. 2011b; Bloom et al.
2012; Kelly et al. 2014), the lack of radio and X-
ray emission around peak brightness (Chomiuk et al.
2012b; Horesh et al. 2012; Margutti et al. 2014), the ab-
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Table 1 Progenitor scenarios of SNe Ia.

Scenario

Bright pre-SN

object

expected?

H/He present

in late-time

spectra

CSM

expected

Reproduction

of SN Ia rate?

Reproduction

of SN Ia DTDs

Reproduction

of SN Ia

brightness

distribution

Associated

thermonuclear

explosion

scenario

Surviving

compan-

ion?

single-

degenerate (SD

general)

yes yes yes no no no MCh yes

SD with MS

donor
yes yes yes no no no MCh MS star

SD with giant

donor
yes yes yes no no no MCh

compact

stellar core

SD with He-star

donor
yes yes yes no no no MCh He star

SD with

M-dwarf donor
no yes yes no no no MCh

M-dwarf

star

SD spin-up/spin-

down
unclear unclear unclear no unclear unclear

MCh,

super-MCh

compact

object

SD with hybrid

CONe WD
yes unclear yes no no no MCh, sub-MCh unclear

double-

degenerate (DD

general)

no no

yes/no,

depending

on

explosion

mechanism

yes yes yes
sub-MCh, MCh,

super-MCh

yes/no,

depending

on

explosion

mechanism

core degenerate yes yes unclear unclear unclear unclear MCh no

triple system unclear unclear unclear unclear unclear unclear unclear unclear

single star yes yes no unclear unclear unclear
MCh, e-capture

induced
no

sence of a surviving companion star in SN Ia rem-
nants (Kerzendorf et al. 2009; Schaefer & Pagnotta 2012;
Ruiz-Lapuente et al. 2018), and the fact that no signatures
of the swept-up H/He have been detected in the nebular
spectra of SNe Ia (Leonard 2007; Lundqvist et al. 2013;
Maguire et al. 2016) and the lack of X-ray flux (i.e. su-
persoft X-ray sources) expected for accreting WDs seem
to favour the DD scenario. Also, it has been suggested

that some superluminous SNe Ia that have ejecta masses
of & 2.0 M⊙ may arise from the merger of two WDs
(Howell et al. 2006; Hicken et al. 2007; Silverman et al.
2011). However, the DD scenario predicts a relatively wide
range of explosion masses and thus makes it difficult to ex-
plain the observed homogeneity of the majority of SNe Ia.

Double WDs (DWDs) are the primary targets of
some upcoming space gravitational-wave missions and



8 Z. Liu et al.: SN Ia explosion in binary systems

observatories such as the Laser Interferometer Space

Antenna (LISA; Amaro-Seoane et al. 2017, Tianqin

(Luo et al. 2016; Huang et al. 2020) and Taiji (Ruan et al.
2018). Searches for DWDs have been carried out by
different surveys like the dedicated ESO Supernovae type

Ia Progenitor surveY (SPY; Napiwotzki et al. 2001), the
Sloan Digital Sky Survey (SDSS; York et al. 2000), the
SWARMS survey (Badenes et al. 2009), the Extremely Low

Mass (ELM) survey (Brown et al. 2010), the Kepler-K2

survey (Howell et al. 2014), and the large all-sky survey
Gaia (Gaia Collaboration et al. 2016, 2018). However, to
date, only about 150 DWD systems have been detected
with detailed orbital parameters (Badenes et al. 2009;
Hallakoun et al. 2016; Breedt et al. 2017; Brown et al.
2020; Burdge et al. 2020; Napiwotzki et al. 2020;
Korol et al. 2022). A comprehensive list of close
DWD systems (periods below 35 days) containing
two low-mass WDs are given by Schreiber et al. (2022).
Only a few DWDs have been reported to be possi-
ble SN Ia progenitors that would merge in a Hubble
time, including two systems with sub-Chandrasekhar
total masses obtained by SPY (WD2020-425 and
HE2209-1444; Napiwotzki et al. 2020), two super-
Chandrasekhar progenitor candidates composed of a WD
and a hot subdwarf (KPD 1930+2752 and HD 265435;
Maxted et al. 2000; Pelisoli et al. 2021), CD-30◦11223
(Vennes et al. 2012; Geier et al. 2013), Henize 2-428
system (Santander-Garcı́a et al. 2015; but see also
Reindl et al. 2020), 458 Vulpeculae (Rodrı́guez-Gil et al.
2010), SBS 1150+599A (Tovmassian et al. 2010) and
GD 687 (Geier et al. 2010). Besides, Kawka et al. (2017)
suggested that NLTT 12758 is a super-Chandrasekhar
DWD system, but it would merge in a timescale longer
than the Hubble time.

3.1.3 Other proposed progenitor scenarios

Some subtypes of the SD model and other possible pro-
genitor scenarios have been proposed for SNe Ia, in-
cluding: (1) The CE wind model, in which the SD
models are assumed to drive CE winds rather than
optical thick winds when the mass transfer rate ex-
ceeds the critical accretion rate (Meng & Podsiadlowski
2017); (2) The hybrid C-O-Ne WD model, in which
a hybrid carbon-oxygen-neon (C-O-Ne) WD with a
mass of & 1.3 M⊙ accretes material from its com-
panion star to approach the Chandrasekhar-mass limit
and explodes as faint SNe Ia (Garcı́a-Berro et al. 1997;
Chen et al. 2014; Denissenkov et al. 2015; Wang et al.
2014b; Meng & Podsiadlowski 2014; Liu et al. 2015c;
Kromer et al. 2015; Marquardt et al. 2015); (3) The M-

dwarf donor model, in which the WD accretes mate-

rial from an M-dwarf star so that it approaches the
Chandrasekhar-mass limit and triggers an SN Ia explosion
(Wheeler 2012); (4) The core-degenerate model, in which
an SN Ia is produced from the merger of a CO WD with the
core of an AGB companion star during a common envelope
(CE) evolution (Livio & Riess 2003; Kashi & Soker 2011;
Ilkov & Soker 2012; Soker et al. 2013, 2014; Soker 2018).
(5) The triple channel, in which thermonuclear explo-
sions in triple-star systems are triggered through both the
SD and DD channels (Katz & Dong 2012; Hamers et al.
2013; Toonen et al. 2018; Swaruba Rajamuthukumar et al.
2022); 6) The single-star model, in which AGB stars
or He stars with a highly degenerate CO core near the
Chandrasekhar mass ignite carbon at the center to subse-
quently cause an SN Ia explosion if they have lost their
H-rich or He-rich envelopes (Iben & Renzini 1983; Tout
2005; Antoniadis et al. 2020). Note that this list may not
be complete and that new channels may still be proposed.
Ultimately, the question of SN Ia progenitor systems has
to be settled by observations.

For a coarse and sketchy overview of the different pro-
genitor scenarios of SNe Ia, we compile the different char-
acteristics in Table 1. We would like to caution here, that
usually the arguments to be made in favor or against spe-
cific scenarios are more complex than what can be listed
in a table. Therefore we emphasize that they are only in-
tended for a quick overview. The main benefit of our table
is to highlight open research questions that are marked with
“unclear”.

3.2 Explosion models

The explosion mechanism depends mainly on the
question of whether the WD explodes near the
Chandrasekhar mass (e.g. Nomoto et al. 1984;
Livio & Riess 2003; Röpke & Niemeyer 2007;
Röpke et al. 2007b; Mazzali et al. 2007; Kasen et al.
2009; Ilkov & Soker 2012; Rabinak et al. 2012;
Jordan et al. 2012b; Seitenzahl et al. 2013b; Fink et al.
2014; Lach et al. 2022a,c) or at a mass below this limit
(the “sub-Chandrasekhar mass” explosion scenario; e.g.
Woosley et al. 1986; Benz et al. 1989; Fink et al. 2007;
Shen & Bildsten 2007; Rosswog et al. 2009a; Raskin et al.
2009; Sim et al. 2010; Pakmor et al. 2010; Kushnir et al.
2013; Townsley et al. 2019; Gronow et al. 2020, 2021a).
To provide clues on the yet poorly understood origin and
explosion mechanism of SNe Ia, one needs to compare
the observational features predicted by different explosion
mechanism in the context of the progenitor models
discussed in Sect. 3.1 with the observations.

A number of explosion models have been pro-
posed to cover various progenitor scenarios of
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Fig. 3 Different explosion models of SNe Ia in the context of either Chandrasekhar-mass or sub-Chandrasekhar-mass
explosion (see also Hillebrandt et al. 2013, and reference therein). Note that models presented here are not complete.

SNe Ia (Hillebrandt et al. 2013, for a recent re-
view), including near Chandrasekhar-mass defla-
grations (Nomoto et al. 1984; Jordan et al. 2012a;
Kromer et al. 2013a; Fink et al. 2014; Lach et al.
2022a), near Chandrasekhar-mass delayed detona-
tions (Arnett 1969; Khokhlov 1991; Gamezo et al.
2005; Röpke & Niemeyer 2007; Rabinak et al. 2012;
Seitenzahl et al. 2013b), gravitationally-confined det-
onations (Jordan et al. 2008; Seitenzahl et al. 2016;
Lach et al. 2022c), sub-Chandrasekhar-mass double deto-
nations (Nomoto 1982b,a; Woosley et al. 1986; Iben et al.
1987; Livne 1990; Woosley & Weaver 1994; Fink et al.
2007; Moll & Woosley 2013; Gronow et al. 2020, 2021a;
Boos et al. 2021), and violent mergers (Pakmor et al.
2010, 2011). A schematic overview of various SN Ia
explosion models proposed in the framework of ei-
ther Chandrasekhar-mass or sub-Chandrasekhar-mass
explosion is shown in Fig. 3.

3.2.1 Chandrasekhar-mass pure deflagrations

Near Chandrasekhar-mass explosions in the SD scenario
have long been proposed as a potential model for SNe Ia
because they could reproduce some observational features

such as the light curves and spectra (e.g. Nomoto et al.
1984; Branch et al. 1985; Hoeflich et al. 1995, 1996;
Mazzali et al. 2007; Kasen et al. 2009; Blondin et al. 2011;
Sim et al. 2013). Moreover, Yamaguchi et al. (2015) sug-
gested that the detection of strong K-shell emission from
stable Fe-peak elements in SN Ia remnant 3C 397 requires
electron captures at high density that can only be achieved
by a near-Chandrasekhar mass explosion. In such a con-
figuration, a supersonic prompt detonation would turn es-
sentially the entire star into iron-group elements which is
inconsistent with the observed features of SNe Ia: To pro-
duce the intermediate-mass elements (IME), such as Si and
S, observed in their spectra, burning must start out as a
subsonic deflagration. The WD then expands prior to be-
ing incinerated. Compared with a prompt detonation, this
reduces the production of 56Ni and can in principle in-
crease the IME yields. The outward propagation of the sub-
sonic deflagration flame leads to Rayleigh-Taylor instabil-
ities that generate turbulence at the contact between hot
ashes and cold fuel. This enlarges the surface area of the
burning front and accelerates it.

One of commonly used near Chandrasekhar-mass
explosion models is the so-called “W7 model” of
Nomoto et al. (1984). The W7 model is a one-dimensional
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Fig. 4 Examples of 3D explosion simulations for two different Chandrasekhar-mass models. Top panels: flame surface
(gray) and density isosurfaces (color coded) from a 3D simulation for a Chandrasekhar-mass pure deflagration model at
t = 0.6 s when flame is rising (left) and t = 1.55 s when flame front has almost wrapped around the WD. Bottom panels:
similar to top panels, but for a delayed-detonation model (i.e. a gravitationally confined detonation model). Situations
prior to detonation initiation, at the moment of detonation initiation, and at about 1 s after initiation are given from left to
right. The hotspot with temperatures of 1×109 K is marked by the blue-green contour in middle panel. The blue surface in
right panel corresponds to detonation front. Note that the illustration is not to scale. The figure is reprinted from Lach et al.
(2022a, see their Figure 3) and Lach et al. (2022c, see their Figure 1) with permission© ESO.

(1D) pure deflagration explosion of a Chandrasekhar-
mass WD, in which a parametrized description was used
for the turbulent burning process. To avoid free param-
eters in the model, multidimensional simulations (for
an example, see top panels of Fig. 4) have been car-
ried out (e.g., Reinecke et al. 2002; Gamezo et al. 2003;
Garcı́a-Senz & Bravo 2005; Röpke et al. 2006b,a, 2007a;

Jordan et al. 2012a; Ma et al. 2013; Long et al. 2014;
Fink et al. 2014; Lach et al. 2022b). The result of these
simulations is that pure deflagrations are not able to
reproduce the majority of normal SNe Ia (Sim et al.
2013; Kromer et al. 2013a). In the framework of the the
Chandrasekhar-mass deflagration model, it is difficult to
produce the canonical 0.5 M⊙

56Ni for normal SNe Ia be-
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cause the flame ultimately cannot catch up with the expan-
sion of the WD and much of its material remains unburned.
Enhancing the burning efficiency with multi-spot ignitions
had only limited success (Röpke et al. 2006b,a; Long et al.
2014; Fink et al. 2014; Lach et al. 2022b). Moreover, the
ignition process itself is rather uncertain and multi-spot ig-
nition does not seem very likely according to the simula-
tions of Nonaka et al. (2012).

However, off-center ignited weak deflagration models
have been suggested to explain the particular sub-class of
SNe Iax (Kromer et al. 2013a, 2015; Magee et al. 2016;
Kawabata et al. 2021; McCully et al. 2022; Dutta et al.
2022). Fig. 4 presents an example of a 3D explosion simu-
lation for a Chandrasekhar-mass pure deflagration model
from Lach et al. (2022c). In the weak pure deflagration
model of Chandrasekhar mass WDs (sometimes known
as “failed detonation model”), an off-center ignited pure
deflagration of a Chandrasekhar-mass CO WD (or hy-
brid CONe WD) fails to completely unbind the entire
WD, leaving behind a bound WD remnant (Jordan et al.
2012b; Kromer et al. 2013a; Ma et al. 2013; Long et al.
2014; Fink et al. 2014). It has been shown that pure de-
flagrations in near-Chandrasekhar-mass CO WDs and hy-
brid CONe WDs can respectively reproduce the observa-
tional light curves and spectra of brighter SNe Iax such as
SN 2005hk (Kromer et al. 2013a) and, less confidently, the
faint Iax event SN 2008ha (Kromer et al. 2015; Lach et al.
2022a). Bulla et al. (2020) have shown that the maximum-
light polarization signal observed in SN 2005hk can be ex-
plained in the context of a weak deflagration explosion of
a Chandrasekhar-mass WD if asymmetries caused by both
the SN explosion itself and the ejecta–companion interac-
tion are considered. Therefore, the weak deflagration ex-
plosion of a Chandrasekhar-mass WD seems to be a poten-
tial model for SNe Iax (but see also Hoeflich et al. 1995;
Stritzinger et al. 2015), at least the brighter members of
this sub-class (Lach et al. 2022a).

Interestingly, the weak pure deflagration model of
Chandrasekhar-mass WDs predicts the existence of a sur-
viving bound WD remnant which is significantly heated
by the explosion and highly enriched by heavy elements
from SN ejecta. Searches for such surviving WD remnants
would be very helpful for assessing the validity of this
explosion model (see Section 5.3.3; Jordan et al. 2012a;
Kromer et al. 2013a; Fink et al. 2014; Shen et al. 2017;
Zhang et al. 2019; Vennes et al. 2017; Lach et al. 2022b).

3.2.2 Chandrasekhar-mass delayed detonations

Besides pure deflagration models, pure detonations of
near-Chandrasekhar-mass WDs have also been proposed
for SNe Ia. As already mentioned, the first numerically

studied pure detonation model of a near-Chandrasekhar-
mass WD in hydrostatic equilibrium (Arnett 1969) showed
that this model produces too much 56Ni and too lit-
tle IMEs to explain the observations of normal SNe Ia.
This conflict indicates that an expansion of the WD
is needed prior to the detonation in order to reduce
the production of 56Ni and to increase that of IMEs.
To achieve this, the “delayed detonation model” of a
near Chandrasekhar-mass WD was proposed by Khokhlov
(1989): The WD expands first due to an initial deflagra-
tion and causes the subsequent detonation to burn at rela-
tively low fuel densities (Khokhlov 1991; Hoeflich et al.
1995; Gamezo et al. 2005; Bravo & Garcı́a-Senz 2006;
Röpke & Niemeyer 2007; Röpke et al. 2007b; Plewa 2007;
Jordan et al. 2008; Seitenzahl et al. 2013b), reducing the
production of 56Ni and enhancing the yields of IMEs com-
pared with the earlier pure detonation models. This there-
fore makes the delayed detonation model more favourable
for explaining normal SNe Ia. Figure 4 shows an exam-
ple of 3D explosion simulations for a Chandrasekhar-mass
delayed detonation model (i.e. a gravitationally confined
detonation model from Lach et al. 2022c).

The key features of Chandrasekhar-mass delayed-
detonation models have been summarized by
Seitenzahl et al. (2013b). Several scenarios for the
transition from the initial deflagration to a subsequent
detonation have been proposed for SNe Ia such as
the deflagration to detonation transition model (DDT;
Khokhlov 1991; Gamezo et al. 2005; Röpke & Niemeyer
2007; Bravo & Garcı́a-Senz 2008; Kasen et al. 2009;
Seitenzahl et al. 2013b; Willcox et al. 2016), the pulsating

delayed detonation model (PDD; Ivanova et al. 1974;
Hoeflich et al. 1995), gravitationally confined detonation

model (GCD; Plewa et al. 2004; Jordan et al. 2008, 2012b;
Townsley et al. 2007; Seitenzahl et al. 2016; Lach et al.
2022c) and the pulsational reverse detonation model
(PRD; Bravo & Garcı́a-Senz 2006; Bravo & Garcı́a-Senz
2009; Bravo et al. 2009). Despite substantial effort, none
of the simulations could demonstarate from first principles
that the transition of the deflagration to a detonation really
occurs (Röpke 2007; Pan et al. 2008; Woosley et al. 2009,
2011; Schmidt et al. 2010; Ciaraldi-Schoolmann et al.
2013; Poludnenko et al. 2019).

3.2.3 sub-Chandrasekhar-mass double-detonations

Sub-Chandrasekhar mass WDs can be ignited through
a double detonation mechanism to give rise to ther-
monuclear explosions in the context of either the SD
or DD progenitor scenario (see Section 3.1). The initial
detonation in this model is triggered by accumulat-
ing a He shell on top of the primary WD through
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Fig. 5 Time sequence of density (white and gray lines) and temperature (color coded) from a 2D simulation for a sub-
Chandrasekhar double detonation explosion of a 1.0 M⊙ CO WD with a thin He shell of 0.016 M⊙. At 0.08 s, an initial
He-ignition is observed, and the He burning starts to grow. The inward-traveling shock then surrounds the whole core and
converges at the south pole at 2.20 s. The shock wave propagates into the core to trigger the second detonation in the core
at around 2.83 s, and the core detonation proceeds to give rise to a thermonuclear runaway. The figure is reprinted from
Boos et al. (2021, see their Figure 2) with the permission of the AAS.

either stable mass transfer (i.e. the sub-Chandrasekhar-
mass double-detonation model; Taam 1980; Nomoto
1982b,a; Woosley et al. 1986; Tutukov & Yungelson 1996;
Bildsten et al. 2007; Shen & Bildsten 2009; Fink et al.
2007, 2010; Moll & Woosley 2013; Neunteufel et al.
2016; Townsley et al. 2019; Gronow et al. 2020;
Boos et al. 2021) or unstable mass-transfer (i.e. the
so-called D6 model; Guillochon et al. 2010; Dan et al.
2011; Pakmor et al. 2013; Boos et al. 2021; Shen et al.
2021b; Roy et al. 2022) from a secondary in a binary
system.

In the sub-Chandrasekhar-mass double-detonation
scenario (see Fig. 3), the WD accretes material from
a He-burning star or a He WD companion via stable
mass-transfer to accumulate a He-layer on its surface. If
the He shell reaches a critical mass of ∼ 0.02–0.2 M⊙
(which is, however, quite uncertain; Woosley et al. 1986;
Bildsten et al. 2007; Woosley et al. 2011; Neunteufel et al.
2016; Polin et al. 2019), an initial detonation of the
He shell is triggered and eventually ignites a second
detonation in the core. This leads to a thermonuclear
explosion of the entire sub-Chandrasekhar mass WD

(e.g., Nomoto 1982b; Woosley et al. 1986; Iben et al.
1987; Livne & Glasner 1990; Woosley & Weaver 1994;
Livne & Arnett 1995; Fink et al. 2007, 2010; Sim et al.
2010; Moll & Woosley 2013; Gronow et al. 2020, 2021a;
Boos et al. 2021).

On the one hand, several binary systems composed
of a WD and a He-rich companion star have been de-
tected observationally (KPD 1930+2752, V445 Pup,
HD 49798, CD-30◦11223 and PTF1 J2238+7430;
Maxted et al. 2000; Geier et al. 2007; Kato & Hachisu
2003; Kudritzki & Simon 1978; Vennes et al. 2012;
Geier et al. 2013; Kupfer et al. 2022), which seems to sup-
port this scenario. For example, CD-30◦11223 is a binary
system containing a WD and a subdwarf-B (sdB) star, in
which the WD mass is MWD = 0.76 M⊙, the companion
mass is MsdB = 0.51 M⊙, and the orbital period is only
Porb ≃ 1.2 hours. Vennes et al. (2012) and Geier et al.
(2013) suggested that CD-30◦11223 will likely explode
as a SN Ia via the sub-Chandrasekhar double-detonation
mechanism during its future evolution. Very recently,
Kupfer et al. (2022) predicted that PTF1 J2238+7430
would lead to a thermonuclear explosion in the context of
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the sub-Chandrasekhar double-detonation scenario with a
thick He shell of ∼ 0.17 M⊙.

On the other hand, different studies in the litera-
ture have shown that the sub-Chandrasekhar-mass double-
detonation models with a thick He shell (0.1–0.2 M⊙)
produce an outer layer of SN ejecta enriched with tita-
nium (Ti), chromium (Cr), and nickel (Ni), leading to
predicted spectra and light curves that are inconsistent
with the observations of SNe Ia (Hoeflich & Khokhlov
1996; Kromer et al. 2010; Woosley et al. 2011; Sim et al.
2012). However, numerous complications remain to be
solved in such a model, and both the production of IGEs
in the outer layers and the predicted observables (such
as spectra and color) are rather sensitive to the total
mass, the thermal and the chemical conditions of the He
shell (Bildsten et al. 2007; Fink et al. 2010; Waldman et al.
2011; Moore et al. 2013; Shen & Moore 2014; Piro 2015;
Townsley et al. 2019; Gronow et al. 2020, 2021a,b) and
to details of the treatment of radiative transfer modeling
(Collins et al. 2022). For instance, Kromer et al. (2010)
showed that pollution the He shell with 12C helps to bring
the predicted observables into better agreement with ob-
servations of normal SNe Ia. More recently, some up-
dated simulations have shown that double detonations of
sub-Chandrasekhar mass WDs with a thin and C-polluted
He shell holds promise for explaining SNe Ia, including
normal SNe Ia and peculiar objects (Pakmor et al. 2013;
Townsley et al. 2019; Gronow et al. 2021a; Boos et al.
2021; Magee et al. 2021; Shen et al. 2021a,b; Rivas et al.
2022; Collins et al. 2022). Fig. 5 shows an example of the
sub-Chandrasekhar-mass double-detonation simulation of
a 1.0 M⊙ CO WD with a thin He shell of 0.016 M⊙ from
Boos et al. (2021). Townsley et al. (2019) have suggested
that the sub-Chandrasekhar-mass double-detonation sce-
nario might be viable for producing spectroscopically nor-
mal SNe Ia if the He layer is sufficiently thin (∼ 0.01 M⊙)
and modestly enriched with core material. This indicates
that double detonations of sub-Chandrasekhar-mass WDs
may contribute the bulk of observed SNe Ia. However, the
exact critical He shell mass required for successfully initi-
ating double detonations of the entire sub-Chandrasekhar
mass WD remains uncertain. In addition, the exact He-
retention efficiency of the accreting WD in the progenitor
system is still poorly constrained (e.g., Ruiter et al. 2014;
Toonen et al. 2014).

3.2.4 Carbon-ignited violent mergers

The “C-ignited violent merger model” (see Fig. 3) is one of
the modern versions of the DD scenario. In this model, un-
stable dynamical accretion of material from the secondary
(less massive) WD on to the primary WD causes com-

pressional heating sufficient to directly trigger a detona-
tion of a CO core in primary WD, producing an SN Ia
(Pakmor et al. 2010, 2011, 2012; Sato et al. 2015, 2016).
While the original DD scenario assumes an explosion of
a merged object exceeding the Chandrasekhar mass limit,
in the violent merger model the explosion triggers already
during the merger process before the two stars are com-
pletely disrupted (Guillochon et al. 2010; Pakmor et al.
2010, 2011, 2012; Kromer et al. 2013b; Sato et al. 2015,
2016). Therefore it proceeds in sub-Chandrasekhar mass
WDs. This scenario avoids the problem of a potential col-
lapse to a neutron star in an AIC (Nomoto & Kondo 1991;
Saio & Nomoto 1998; Timmes et al. 1994; Schwab et al.
2016).

It has been shown that the violent mergers of
two CO WDs that involve a single carbon det-
onation in the primary star can generally explain
the observational properties of subluminous SNe Ia
such as 1991bg-like events (Pakmor et al. 2010, 2011),
SN 2010lp (Kromer et al. 2013b) and SN 2002es-like
event iPTF14atg (Kromer et al. 2016). However, the trig-
gering of the detonation during the violent merger phase is
still poorly constrained (Hillebrandt et al. 2013).

3.2.5 Helium-ignited violent mergers

The He-ignited violent merger model – or “dynamically

driven double-degenerate double-detonation” (D6) model
– is another modern version of sub-Chandrasekhar ex-
plosions in the DD scenario, in which SNe Ia are pro-
duced through the double detonation mechanism during
the merger of two WDs (see Fig. 3). In the D6 model, an
initial He detonation triggers on the surface of a heavier
CO WD primary due to unstable dynamical He accretion
from the less massive secondary which could be either an-
other CO WD with thin surface He layers, a He WD, or
a hybrid HeCO WD. Via a double-detonation mechanism,
the initial He detonation initiates into a detonation of CO
core, producing an SN Ia (see Fig. 6; e.g. Guillochon et al.
2010; Pakmor et al. 2013; Boos et al. 2021; Shen et al.
2021b; Roy et al. 2022). Because the He detonation in this
model proceeds in a dynamic stage and not in a mas-
sive He layer at hydrostatic equilibrium conditions (see
Section 3.2.3), the impact of the He detonation products
on the observables is reduced compared to the classical
sub-Chandrasekhar mass double detonation scenario. For
instance, Pakmor et al. (2012) have shown that the double-
detonation explosion in the violent merger of two CO WDs
with masses of 0.9 M⊙ and 1.1 M⊙ can closely resemble
normal SNe Ia, indicating that the D6 model has the poten-
tial to explain the bulk of normal SNe Ia.
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Fig. 6 An example of explosion modeling for helium-ignited violent mergers of two WDs. The panels show slices of
density, temperature, and mean atomic weight in the orbital plane (columns from left to right) as a function of time when
the He detonation forms on the surface of the primary WD in a simulation of the merger of a 1.1 M⊙ primary CO WD
and a 0.9 M⊙ secondary CO WD. Note that all panels have the same length scale of 4 × 109 cm. The figure is reprinted
from Pakmor et al. (2013, see their Figure 2) with the permission of the AAS.

Interestingly, the secondary WD may survive from the
explosion in the D6 model and become a hypervelocity
WD with a velocity of & 1000 km s−1 (see Section 5.3.3;
Shen et al. 2018b; Igoshev et al. 2022). Shen et al. (2018b)
suggested that three hypervelocity runaway stars with a
velocity of & 1000 km s−1 detected in the Gaia survey
(Gaia Collaboration et al. 2016, 2018) are likely to be WD
companions that survived the D6 SNe Ia scenario (see
also Bauer et al. 2021). However, the fate of the secondary
WD in this model is rather unclear. Pakmor et al. (2022)
have recently investigated the fate of secondary WD with

self-consistent 3D hydrodynamical simulations, confirm-
ing that the primary WD can explode as an SN Ia. But
they find that there is a large uncertainty on the question of
whether the secondary WD detonates or not (Pakmor et al.
2022). In contrast, Roy et al. (2022) claim that an initial
He detonation does not ignite a carbon detonation in the
underlying WD.
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Table 2 Explosion mechanisms of SNe Ia.

Scenario
Explosion

triggering

Combustion

mode

Imprint on

nucleosynthesis

Associated SN

Ia subclass

Reproduction of

SN Ia brightness

range

Reproduction

of WLR

MCh

deflagrations

spontaneous in

C/O material

turbulent

deflagration in

C/O material

solar Mn/Fe ratio,

potential

overproduction of

n-rich IGE

perhaps SNe Iax no no

MCh delayed

detonations

spontaneous in

C/O material

turbulent

deflagration

transitioning to

detonation in

C/O material

solar Mn/Fe ratio

normal SNe Ia?

91T-like

objects?

yes, depending

on deflagration

ignition

no

sub-MCh

double

detonations

in He shell

compressional

heating→ leads

to core

detonation

detonation in He

shell, detonation

in C/O core

solar Mn/Fe ratio

due to He-shell

detonation, low

production of

n-rich IGE

(Z-dependent)

normal SNe Ia

yes, depending

on mass of

exploding WD

yes

He-ignited

violent mergers

(“D6”)

in He shell due to

dynamical

instabilities →

leads to core

detonation

detonation in

low-mass He

shell, detonation

in C/O core

possibly low

Mn/Fe ratio, low

production of

n-rich IGE

(Z-dependent)

normal SNe Ia

yes, depending

on mass of

exploding WD

yes

C-ignited

violent mergers

at edge of C-core

due to accretion

detonation in

C/O material

low Mn/Fe ratio,

low production of

n-rich IGE

(Z-dependent)

normal SNe Ia?

91bg-like

objects? 2010lp,

2002ex-like

objects

yes, depending

on mass of

exploding WD

yes

3.2.6 Other proposed explosion models

In the framework of either Chandrasekhar-mass or sub-
Chandrasekhar-mass explosion, some other possible ex-
plosion models have been proposed for SNe Ia, includ-
ing: (1) The core-degenerate model, in which the WD
merges with the core of an AGB star during the CE phase,
triggering a thermonuclear explosion inside the envelope
(Livio & Riess 2003; Kashi & Soker 2011; Ilkov & Soker
2012; Soker et al. 2013, 2014); (2) Tidal disruptions, in
which the tidal interaction of a WD with a black hole trig-
gers a thermonuclear explosion (Rosswog et al. 2009b);
(3) Head-on collisions of two WDs, in which two WDs
collide in a binary or triple-star system, leading to a ther-
monuclear explosion due to the resultant shock compres-

sion (Benz et al. 1989; Rosswog et al. 2009a; Raskin et al.
2009, 2010; Katz & Dong 2012; Kushnir et al. 2013;
Papish & Perets 2016); (4) The spiral instability model, in
which a spiral mode instability in the accretion disk forms
during the merger of two WDs and leads to a detonation
on a dynamical timescale resulting a SN Ia (Kashyap et al.
2015).

In Table 2, we present an overview of the main char-
acteristics of different explosion mechanisms of SNe Ia.
Again, the same cautionary remark as for Table 1 applies.

4 RATES AND DELAY TIMES

The observationally-inferred SN Ia rate in our
Galaxy is about 2.84 ± 0.60 × 10−3 yr−1 (e.g.,
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Fig. 7 Distributions of delay times of different SN Ia progenitor channels predicted from binary population synthesis
calculations. The observationally derived delay-time distributions are given by points with error bars (Maoz et al. 2010,
2011, 2012; Graur & Maoz 2013). Figure is reproduced based on Figure 1 of Liu et al. (2015b). The results of original
DD scenario (gray dashed line) is taken from Wang et al. (2010, see also Han 1998). In the Sub-Chandrasekhar mass
double-detonation (i.e. Sub-Ch DDet) model, only the results for helium-star donors are included (see also Wang et al.
2013). Note that there is a large variation of the results among various BPS studies (Maoz et al. 2014, see their Figure 8).

van den Bergh & Tammann 1991; Cappellaro et al.
1997; Li et al. 2011c,a; Brown et al. 2019; Wiseman et al.
2021). The observed delay-time distribution of SNe Ia
(DTDs, i.e. the distribution of durations between star
formation and SN Ia explosion) covers a wide range from
∼ 10 Myr to about 10 Gyr (e.g., Maoz et al. 2010, 2011,
2012; Maoz & Graur 2017; Graur & Maoz 2013).

By comparing the expected rates and DTDs of
SNe Ia from BPS calculations for different proposed
progenitor models with those inferred from the obser-
vation, several studies attempted to place constraints on
the nature of SN Ia progenitor systems (see Fig. 7; e.g.
Yungelson & Livio 1998; Yungelson 2010; Hachisu et al.
1999; Nelemans et al. 2001; Han & Podsiadlowski 2004;
Botticella et al. 2008; Mannucci et al. 2008; Ruiter et al.
2009, 2011, 2014; Maoz et al. 2010; Meng et al.
2009; Meng & Yang 2010; Wang et al. 2009, 2010;
Mennekens et al. 2010; Toonen et al. 2012; Bours et al.
2013; Claeys et al. 2014; Graur et al. 2014b; Liu et al.
2015b; Liu & Stancliffe 2018; Liu & Zeng 2020; Liu et al.
2016, 2018; Ablimit et al. 2014, 2016; Shen et al. 2017).
In summary, no single proposed progenitor model is able
to consistently reproduce both the observed SN Ia rates
and the DTDs (see Fig. 7). The DD progenitor model

generally predicts a broad range of delay times that follow
a t−1 power-law, which is similar to the overall behavior of
the observed DTD. But a sharp decrease of SN Ia rates for
delay times shorter than 200 Myr is seen in the DD model.
This is inconsistent with a significant detection of prompt
SNe Ia with delay times of 35 < t < 200 Myr (Maoz et al.
2010). BPS calculations have predicted that SD models
with a MS or a RG donor mainly contribute to intermediate
delay times of ∼ 100 Myr to 1 Gyr and long delay times
of & 3 Gyr, respectively (e.g. Han & Podsiadlowski 2004;
Ruiter et al. 2009; Meng et al. 2009; Wang et al. 2010;
Claeys et al. 2014; Liu et al. 2015b). SD models with a He
star donor are expected to contribute to delay times shorter
than 100 Myr (e.g. Wang et al. 2009; Claeys et al. 2014).
The SD scenario generally tends to predict much lower
SN Ia rates than those of the DD scenario (gray dashed
line of Fig. 7). However, a large variation of the results
among different BPS studies is seen (Maoz et al. 2014, see
their Fig. 8). For recent reviews on the details of the topic,
see Maoz & Mannucci (2012) and Maoz et al. (2014).

One should always keep in mind that there are signif-
icant uncertainties in the theoretical predictions of SN Ia
rates and delayed times from BPS calculations. On the
one hand, constraints on the mass-retention efficiencies
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Fig. 8 An example of constraints on the progenitor models of SNe Ia by searching for their pre-explosion companion stars.
Here, the colour–magnitude diagrams present a comparison between detected pre-explosion luminous source of SN 2012Z
(i.e. SN 2012Z-S1; black crosses) and different theoretical models, including single stars with masses in a range of 7—
11 M⊙ (coloured dotted curves), He-star donor model to a CO WD with an initial mass of 1.3 M⊙ (shaped blue regions),
candidates of Wolf–Rayet stars (star symbols), and thermal models for Eddington-luminosity super-soft sources (SSS;
purple dots). The observations of a nova V445 Pup (brown cross) is also shown for comparison. The interstellar extinction
of AV = 0.05 (magenta arrow) is adopted. The figure is reprinted from McCully et al. (2014, see their Figure 2).

in the SD scenario are still rather weak (Shen & Bildsten
2007; Wolf et al. 2013; Piersanti et al. 2014; Wang 2018)
yet studies show that there is a significant impact of the
mass-retention efficiencies on BPS results such as rates and
DTDs (Bours et al. 2013; Toonen et al. 2014; Ruiter et al.
2014; Piersanti et al. 2014). On the other hand, the predic-
tions of BPS calculations sensitively rely on the assumed
parameters in specific BPS codes such as the CE evolution,
star-formation rate and initial mass function. However,
to date, strong constraints on these parameters (e.g. the
CE efficiency, see Zorotovic et al. 2010; De Marco et al.
2011; Ivanova et al. 2013; Röpke & De Marco 2022) are
still lacking. This limits the predictive power of the BPS
results (Toonen et al. 2014; Claeys et al. 2014). For a re-
cent review of BPS calculations, see Han et al. (2020).

5 OBSERVABLES OF THERMONUCLEAR

SUPERNOVAE

The approach to compare the observational features pre-
dicted by different progenitor models with observations
has long been used to provide important clues to the
yet poorly understood origin and explosion mechanism of
SNe Ia. Over the past decades, substantial effort in model-
ing SNe Ia aimed at the prediction of optical observables

(light curves and spectra; e.g. Kasen et al. 2006; Sim et al.
2010; Maeda et al. 2010; Kromer et al. 2010; Pakmor et al.
2010; Polin et al. 2019; Shen et al. 2021b). The main goal
was to distinguish between explosions of Chandrasekhar-
mass and sub-Chandrasekhar mass WD explosions as well
as different mechanisms of thermonuclear combustion in
these events. Despite all efforts, degeneracies make it diffi-
cult to draw firm conclusions (Röpke et al. 2012).

Besides optical light curves and spectra predicted by
radiative transfer calculations in the context of different
explosion mechanisms, certain other observational signa-
tures are also expected to be indicative for different pro-
genitor scenarios, including the detection of pre-explosion
companions, H/He lines in SN Ia late-time spectra caused
by material stripped from the companion during its inter-
action with the SN ejecta, early excess emission due to
the ejecta–companion interaction, narrow absorption sig-
natures of circumstellar material (CSM), radio and X-
ray emission from CSM interactions, surviving companion
stars (and WD remnants), polarization signals, SN remnant
(SNR) morphology, etc. In this section, we will give a de-
tailed overview to the observables predicted for different
phases (from the pre-explosion phase to the SNR phase) of
SNe Ia from currently proposed progenitor scenarios and
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their comparisons with the observations. In particular, we
focus on the question of how a binary companion star in
the SD scenario shapes the observables of SNe Ia.

5.1 Pre-explosion companion stars

The companion stars in potential progenitor models of
SNe Ia fall into two categories (see Section 3.1): (i) non-
degenerate companion stars (MS, SG, RG, AGB or He-
burning stars) in the SD scenario; (ii) WD companions
in the DD scenario. Becuase a non-degenerate companion
star is much brighter than a WD, a luminous source is ex-
pected to be detected in pre-explosion images at position
of the SNe Ia if they are generated from the SD progenitor
scenario. Therefore, analyzing pre-explosion images from
the SN position provides a direct way to test the SD pro-
genitor scenario (Foley et al. 2010; McCully et al. 2014).

On the theoretical side, Han (2008) have compre-
hensively addressed the pre-explosion observable prop-
erties (luminosities, effective temperatures, masses, sur-
face gravity, orbital and spin velocities) of MS compan-
ion stars at the moment of SN Ia explosion by perform-
ing BPS calculations for the WD + MS progenitor model.
Following this work, Liu et al. (2015c) extended the cal-
culations to present pre-explosion properties of different
non-degenerate companion stars, including the MS, SG,
RG companions in the SD scenario, and the He-burning
companion stars from both the SD and sub-Chandrasekhar-
mass double-detonation scenarios. Wong et al. (2021) also
made predictions for the properties of the He-star donors
at the time of explosion for a set of progenitor systems in-
volving a CO WD and a He star.

On the observational side, different studies have at-
tempted to search for the expected non-degenerate com-
panion stars by analyzing pre-explosion images at the SN
position, e.g. those taken by the Hubble Space Telescope

(HST). To date, however, no progenitor companion star
has been firmly detected in the analysis of pre-explosion
images of normal SNe Ia (e.g. Maoz & Mannucci 2008;
Li et al. 2011b; Bloom et al. 2012; Kelly et al. 2014). But
there are some possible pre-explosion detections recently
reported in several SNe Iax. For instance, McCully et al.
(2014) detected a blue luminous source in pre-explosion
image of an SN Iax event, SN 2012Z. As shown in
Fig. 8, the properties of this pre-explosion luminous source
(i.e. SN 2012Z-S1) have been found to be consistent
with those of a He-star companion to the exploding WD
(McCully et al. 2014; Liu et al. 2015c). Interestingly, late-
time observations taken about 1400 days after the explo-
sion by the HST have shown that SN 2012Z is brighter
than the normal SN 2011fe by a factor of two at this epoch
(McCully et al. 2022). Comparing with theoretical mod-

els, McCully et al. (2022) suggested this excess flux to be
a composite of several sources: the shock-heated compan-
ion, a bound WD remnant that could drive a wind, and light
from the SN ejecta due to radioactive decay. Foley et al.
(2015) have analyzed pre-explosion HST images of an-
other SN Iax (SN 2014dt), but no source could be detected
in this case.

5.2 Ejecta–companion interaction

After the explosion in the SD scenario, the ejecta ex-
pand freely for a few minutes to hours before hitting
the non-degenerate companion star, engaging into ejecta–
companion interaction (see Fig. 9). The effect of a SN
explosion on a nearby companion star has been studied
since the 1970s (e.g. Colgate 1970; Wheeler et al. 1975;
Fryxell & Arnett 1981; Marietta et al. 2000; Pakmor et al.
2008; Liu et al. 2012; Pan et al. 2012b; Boehner et al.
2017; McCutcheon et al. 2022). There are several ways in
which the SN blast wave can modify the properties of com-
panion stars during the ejecta–companion interaction, giv-
ing rise to observables that can be used to constrain SN Ia
progenitors.

First, the SN ejecta significantly interact with the com-
panion star after the explosion, stripping some H-rich and
He-rich material from its surface. This effect is caused ei-
ther by the direct transfer of momentum or by the conver-
sion of the blast kinetic energy into internal heat, i.e., by
evaporation/ablation. As a consequence, some H/He lines
caused by the stripped material may be present in late-time
spectra of SNe Ia (Wheeler et al. 1975; Mattila et al. 2005;
Botyánszki et al. 2018; Dessart et al. 2020).

Second, the shock heating injects thermal energy into
the companion star during the interaction, leading to a dra-
matic expansion of the surviving companion star so that it
displays signatures that are different from a star without ex-
periencing the ejecta–companion interaction. For example,
it could become more luminous and have a lower surface
gravity (Podsiadlowski 2003; Liu et al. 2022).

Third, radiative diffusion from shock-heated ejecta
during the interaction is expected to produce an early ex-
cess in optical/UV or X-ray emission (Kasen 2010).

Fourth, the surface of a companion star may be en-
riched with heavy elements (e.g. Ni, Fe or Ca) deposited by
the SN Ia ejecta (Pan et al. 2012b; Liu et al. 2013b), which
might be detectable in the spectra of a surviving compan-
ion star.

Finally, the companion star survives from the ex-
plosion and retains its pre-explosion orbital velocity
after the SN explosion, which leads a high pecu-
liar velocity compared with other stars in the vicinity
(Ruiz-Lapuente et al. 2004; Schaefer & Pagnotta 2012).
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Fig. 9 An example of the interaction between SN Ia ejecta and a MS companion star in 3D hydrodynamical simulations
(Liu et al. 2012). The panels show slices in the orbital plane for three different times after the SN explosion as indicated.
The direction of motion of the incoming SN Ia ejecta is from right to left (arrow symbols). Colours indicate density.

The typical pre-explosion orbital velocities of the H-
rich and He-rich companions in the SD Chandrasekhar-
mass scenario are ∼ 80–280 km s−1 (Han 2008) and ∼ 250–
500 km s−1 (Wang et al. 2009), respectively. The He-
star companions in the sub-Chandrasekhar mass double-
detonation scenario and the He WD (or the CO WD which
transfers its outer He layers) companions in the D6 model
are respectively expected to have pre-explosion orbital
velocities of ∼ 400–1000 km s−1 (Neunteufel 2020) and
>1000 km s−1 (Shen et al. 2018b; Igoshev et al. 2022).

5.2.1 Searches for stripped hydrogen and helium

The earliest study of the effect of a SN explosion on a com-
panion star was done by Colgate (1970). He suggested that
the companion star receives a kick that is mainly caused
by the evaporation from the stellar surface (i.e. the abla-
tion), although there is also a small kick from the direct
collision with the SN ejecta. Cheng (1974) further inves-
tigated the impact of a SN shell onto a 2.82 M⊙ and a
20.0 M⊙ MS companion star for various binary separa-
tions, SN shell masses. and velocities. He concluded that
the MS companion star could survive from the interaction
with SN shell. Upon these two works, several analytical
models were developed to estimate the amount of stripped
H mass and the kick velocity received by the companion
star during the ejecta–companion interaction for MS com-

panion stars with an n = 3 (Wheeler et al. 1975) and an
n = 2/3 polytrope (which is appropriate for a low-mass
MS; Applegate & Terman 1989), and for RG companion
stars (Wheeler et al. 1975; Chugai 1986).

To test the analytic prescription of Wheeler et al.
(1975), several numerical simulations were performed
for low-mass MS companions (Fryxell & Arnett 1981;
Taam & Fryxell 1984) and RG stars (Livne et al. 1992).
In particular, Livne et al. (1992) suggested that almost
the entire envelope of a RG star could be stripped off
by the SN blast, imparting a velocity to the stripped
material (. 103 km s−1) much smaller than that of SN
ejecta (∼ 104 km s−1). Following the work of Wheeler et al.
(1975), Meng et al. (2007) semi-analytically estimated the
amount of stripped H mass due to SN Ia explosions by
adopting the binary and companion properties constructed
with detailed binary evolution calculations. However, they
underestimated the total stripped companion masses be-
cause of neglecting the effect of the ablation on the com-
panion surface.

More recently, updated two-dimensional (2D) and 3D
simulations with grid-based or smoothed particle hydro-
dynamics (SPH) methods have been presented that inves-
tigate the details of the interaction between SN Ia ejecta
and the companion star (Marietta et al. 2000; Pakmor et al.
2008; Pan et al. 2010, 2012b; Liu et al. 2012, 2013b,c,a;
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Fig. 10 Theoretical predictions for the amount com-
panion mass swept up by the SN Ia explosion dur-
ing the ejecta–companion interaction. Top panel: the
swept-up H masses predicted either from analyti-
cal studies (Chugai 1986; Applegate & Terman 1989;
Meng et al. 2007) or from 2D/3D hydrodynamical sim-
ulations (Fryxell & Arnett 1981; Marietta et al. 2000;
Pakmor et al. 2008; Liu et al. 2012; Liu & Stancliffe 2017;
Pan et al. 2012b; Garcı́a-Senz et al. 2012; Gray et al. 2016;
Boehner et al. 2017; McCutcheon et al. 2022). Suffixes
“MS” and “RG” indicate that the companion star was a
MS or RG star, respectively. Bottom panel: the swept-up
He masses predicted by numerical simulations (Pan et al.
2012b; Liu et al. 2013b; Bauer et al. 2019; Liu et al. 2021).

Boehner et al. 2017; Bauer et al. 2019; Zeng et al. 2020;
McCutcheon et al. 2022). For instance, Marietta et al.
(2000) performed high-resolution 2D simulations to com-
prehensively study the interaction of SN Ia ejecta in a va-
riety of plausible progenitor systems with MS, SG and RG
companions. However, they assumed the structure of single

MS/SG/RG stars for the companion in their simulations.
The study of Marietta et al. (2000) for MS companion stars
was updated to 3D simulations with the smoothed parti-
cle hydrodynamics (SPH) method by Pakmor et al. (2008),
in which they considered the effect of pre-explosion mass
transfer on the structures of a companion star at the mo-
ment of SN explosion. However, they computed their com-
panion star models by constantly removing mass while
evolving a single MS star to mimick the detailed mass-
transfer processes in a binary system. This makes their
MS star model much more compact than one constructed
from a full binary evolution calculation. Therefore, they
predicted a small amount of stripped H masses of 0.01–
0.06 M⊙ for MS donor model. Liu et al. (2012, 2013b)
further developed the work of Pakmor et al. (2008) by
adopting more realistic companion star models constructed
from detailed, state-of-the-art binary evolution calcula-
tions. They also extended simulations to cover differ-
ent companion stars (MS, SG and He-star) and a range
of binary separations and explosion energies (see also
Liu et al. 2013c,a). Pan et al. (2012b) employed adaptive
mesh refinement (AMR) simulations to study the ejecta–
companion interaction for MS, RG and He-star compan-
ions with different binary separations and explosion ener-
gies (see also Pan et al. 2010). In their simulations, how-
ever, they did not follow the full binary evolution but used
initial conditions with a constant mass-loss rate when con-
structing their companion stars.

The main results of ejecta–companion interaction of
SNe Ia in the literature can be summarized as follows.

(1) 2D or 3D hydrodynamical simulations have predicted
that about 5 per cent to 30 per cent of the companion
mass (i.e. & 0.1 M⊙) can be stripped off from the outer
layers of a MS or SG companion star (see top panel of
Fig. 10). For RG companions, almost the entire enve-
lope is removed by SN Ia blast wave. In the case of
a He companion star, about one few per cent of the
mass (∼ 0.002–0.03 M⊙) is lost in the interaction (see
bottom panel of Fig. 10).

(2) The SN impact affects not only the companion star,
but also the SN ejecta themselves. The presence of a
companion star strongly breaks the symmetry of the
SN Ia ejecta after the interaction (see panel c of Fig. 9).
The stripped companion material is largely confined
to the downstream region behind the companion star,
creating a hole in the SN debris with an opening angle
of about 30◦–115◦.

(3) Depending on the different stellar types, the compan-
ion stars receive kick velocities of a few ten kilometers
per second to ∼ 100 km s−1, which are lower that their
pre-explosion orbital velocities. This indicates that the
surviving companion star should move with a velocity
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Fig. 11 Distributions of observational mass limits on stripped H/He material by the explosion for a sample of SNe Ia
(Tucker et al. 2020, and references therein). Data points are taken from Tucker et al. (2020).

which is largely determined by its pre-explosion or-
bital velocity.

(4) The characteristic velocities of stripped compan-
ion material for the MS, SG, RG and He-
star companions are ∼ 500–800 km s−1, . 900 km s−1,
∼ 400–700 km s−1 and ∼ 800–1000 km s−1, respec-
tively, which are slower than the maximum velocity of

SN Ia ejecta (∼ 104 km s−1) by about one order of mag-
nitude. This implies that H/He lines caused by stripped
companion material become visible only at late-times
when the photosphere recedes and moves to low ve-
locity regions, revealing the inner SN Ia ejecta.

(5) For a given companion model, the amount of stripped
companion mass and kick velocity received by the



22 Z. Liu et al.: SN Ia explosion in binary systems

companion star during the interaction decrease as the
binary separation increases, which can be fitted by
power-law relations.

(6) The dependence of the amount of stripped mass and
kick velocity on the explosion energy is in agreement
with linear relations. Both quantities increase as the
explosion energy increases.

(7) The companion star is generally expected to survive
the explosion and becomes a runaway or hyperveloc-
ity star. However, whether a He WD companion in the
double-detonation model would survive the explosion
is still unclear (Pakmor et al. 2022).

(8) The companion surface could be enriched with heavy
elements (contamination) from the low-expansion-
velocity tail of SN Ia ejecta, which provides a way to
observationally identify the surviving companion stars
in SNRs. However, the exact level of contamination
is still rather uncertain in current models because of
uncertainties of mixing of the contaminants in the en-
velope.

One of the key questions of the SD scenario is whether
the signatures of swept-up H or He due to the interac-
tion can be detected in late-time spectra of SNe Ia. On
the theoretical side, by performing the 1D parameter-
ized spherically symmetric radiative transfer calculations,
Mattila et al. (2005) concluded that Balmer lines should be
detectable in SN Ia nebular spectra if the stripped H masses
are & 0.03 M⊙ (see also Lundqvist et al. 2013, 2015).
In their models, they artificially added some uniform-
density solar-abundance material with a low expansion
velocity of 1000 km s−1 at the center of SN Ia ejecta
of the W7 model from Nomoto et al. (1984). Recently,
Botyánszki et al. (2018) performed, for the first time, 3D
Monte Carlo simulations with a non-local thermodynamic
equilibrium (NLTE) radiative transport code to determine
the signatures of stripped companion material in nebu-
lar spectra of SNe Ia as a function of viewing angle. In
this study, more realistic distributions of stripped compan-
ion material and post-explosion SN Ia ejecta structures
were adopted based on 2D hydrodynamical simulations of
the ejecta–companion interaction by Boehner et al. (2017).
However, the Sobolev approximation as well as the sim-
plified treatment on line overlap and multiple scattering
in Botyánszki et al. (2018) causes some uncertainties in
their results. Dessart et al. (2020) further extended previ-
ous calculations with a set of 1D NLTE steady-state ra-
diative transfer simulations by covering a broader param-
eter space (a large range of masses for the ejecta, 56Ni,
and stripped material) and computing line overlap and line
blanketing explicitly. These models adopted a 1D param-
eterized spherically symmetric SN ejecta structure as in
Mattila et al. (2005).

In summary, all radiative transfer calculations in the
literature for SNe Ia with stripped companion material
have concluded that the ejecta–companion interaction in
the SD scenario produces significant and detectable sig-
natures of stripped H/He in late-time spectra. They further
provided the dependence of line luminosities from stripped
H/He-rich material on the amount of stripped H/He mass.
This indicates that searching for H/He emission due to
stripped companion material in late-time spectra of SNe Ia
is promising for identifying the SD or DD nature of the
progenitor system.

On the observational side, a series of observations
have attempted to search for narrow, low-velocity H/He
emission lines expected to be caused by swept-up H/He in
late-time spectra of SNe Ia. But to date, no strong evidence
for such H/He emission has been found in late-time spectra
of most SNe Ia (even for the nearby SNe Ia with very
high quality observations, i.e., SN 2011fe and SN 2014J;
Leonard 2007; Lundqvist et al. 2013, 2015; Shappee et al.
2013b, 2018; Maguire et al. 2016; Graham et al. 2015,
2017; Sand et al. 2018, 2019; Dimitriadis et al. 2017;
Jacobson-Galán et al. 2019; Holmbo et al. 2019;
Tucker et al. 2019, 2020, 2022a; Siebert et al. 2020;
Elias-Rosa et al. 2021; Hosseinzadeh et al. 2017, 2022).
A detection was reported only for two fast-declining,
sub-luminous events (SN 2018cqj and ASASSN-18tb;
Dimitriadis et al. 2019; Vallely et al. 2019; Prieto et al.
2020). However, the Hα emission lines detected in
SN 2018cqj and ASASSN-18tb have been suggested to
be caused by either CSM interaction or by H material
stripped from a companion star.

Furthermore, by analyzing late-time spectra of SNe Ia,
one can convert the line luminosity limits to limits on
the mass of H/He in SN Ia progenitors based on the cur-
rent radiative transfer calculations for stripped compan-
ion material (Mattila et al. 2005; Botyánszki et al. 2018;
Dessart et al. 2020). Statistical limits on stripped H/He
mass by analyzing a number of SN Ia late-time spectra
have been given by Tucker et al. (2020), and they are sum-
marized in Fig. 11. Comparing these statistical limits from
the observation with the stripped H/He masses derived
from numerical simulations, we can examine the validity
of SD scenario for SNe Ia. As shown in Fig. 11, the ob-
servational constraints on the swept-up H/He masses are
generally much lower than those from theoretical predic-
tions (Fig. 10), which poses a serious challenge for the SD
scenario.

Current radiative transfer simulations for SNe Ia
with stripped material are still afflicted with uncer-
tainties, because they either simply assume parameter-
ized spherically-symmetric SN ejecta (Mattila et al. 2005;
Dessart et al. 2020), or the treat line overlap and multi-
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Fig. 12 Examples of early excess emissions predicted from different scenarios. Upper-left panel: U-band early light
curves given by the interaction of SN Ia ejecta with a 1 M⊙ RG (red line), 2 M⊙ MS (yellow line) and 6 M⊙ MS (blue line)
companion star, respectively. The figure is reproduced from Kasen (2010, see their Figure 3) with the permission of the
AAS. Lower-left panel: B-band light curves predicted by the nickel-shell models with 56 Ni shells of 0.01 M⊙-0.03 M⊙

and a given shell width of 0.06 M⊙. The fiducial model for SN 2018oh is shown in gray line. The figure is created by
taking the data points provided by Magee & Maguire (2020, see their Figure 3). Upper-right panel: B-band light curves
of two sub-Chandrasekhar mass double detonation models presented by Noebauer et al. (2017, red line; see their Fig. 3)
and Jiang et al. (2017, blue line; see their Fig. 3). The result of W7 model (Nomoto et al. 1984) is also given in gray line

for comparison. Lower-right panel: V-band early light curves of the CSM-interaction model for a low 56 Ni mixing level
with a boxcar width of 0.05 M⊙ given by Piro & Morozova (2016), in which the mass and outer radius of CSM are set to
be MCSM = 0.1 M⊙ and RCSM = 1010-1012 cm, respectively. The figure is reproduced from Piro & Morozova (2016, see
their Figure 10) with the permission of the AAS.

ple scattering in an approximative way (Botyánszki et al.
2018). For stricter predictions of the strength of H and He
lines in late-epoch spectra, multi-dimensional NLTE ra-
diative transfer calculations are needed that use the out-
put ejecta model from 3D impact simulations and treat line
overlap and multiple scatterings in detail. Moreover, there
are some other possibilities that may explain to the lack
of H/He emission in late-time spectra. For instance, the
“spin-up/spin-down” model may lead to a compact com-

panion star whose H/He-rich envelope has been stripped
before the explosion, causing the absence of stripped H/He
material during the interaction (see Section 3.1.1).

5.2.2 Early excess emission

Different progenitor models and explosion mechanisms
of SNe Ia may produce distinct early light curves
(Kasen 2010; Rabinak et al. 2012; Piro & Morozova 2016;
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Noebauer et al. 2017; Magee & Maguire 2020). Therefore,
early light curves of SNe Ia have been thought to play an
important role in constraining their progenitor systems and
explosion mechanism. For example, Nugent et al. (2011)
used the early light curves of the nearby SN 2011fe to
constrain the radius of its exploding star, confirming that
it must have been a WD (see also Bloom et al. 2012). In
the literature, different mechanisms have been proposed
to cause an excess emission (i.e. a “bump”) in early light
curves of SNe Ia within the days following explosion,
which will be described in detail below (Fig. 12; see also
Maeda et al. 2018; Jiang et al. 2021; Magee et al. 2022).

Companion interaction: Kasen (2010) predicted that
the shock caused by the ejecta–companion interaction sig-
nificantly heats SN Ia ejecta to high temperatures, which
causes a strong excess emission during the first few
days after the explosion that is observable in the light
curves within certain viewing angles in the SD scenario
(see also Maeda et al. 2014; Kutsuna & Shigeyama 2015;
Magee et al. 2022). This early-time excess emission is ex-
pected to be brightest in the ultraviolet (UV) wavelengths
and becomes subordinate at longer optical wavelengths.
However, it can still cause a blue color evolution in the
optical light curve. By applying BPS results to the analyt-
ical model of Kasen (2010), Liu et al. (2015a) presented
the distributions of expected early UV emission for differ-
ent SD progenitor systems. Because the DD scenario does
not predict such early UV emission, detecting early strong
UV emission within the days following explosion has
long been considered a smoking gun for the SD scenario
of SNe Ia (Kasen 2010; Hayden et al. 2010; Olling et al.
2015; Liu et al. 2015a; Magee et al. 2022). For a given ex-
plosion model, early UV emission caused by the ejecta–
companion interaction is strongly dependent on the ratio of
binary separation to companion radius (assuming RLOF)
at the moment of SN explosion. Therefore, the properties
of this early UV emission are expected to provide a clue to
the types of non-degenerate companions (Cao et al. 2015;
Marion et al. 2016).

Sub-Chandrasekhar-mass double-detonations: The
burning of the initial He shell in sub-Chandrasekhar-mass
double-detonation explosions can leave heavy, radioac-
tive material in the outermost ejecta. A more massive He
shell is expected to produce more radioactive material.
The decay of this heavy, radioactive material could cre-
ate an excess luminosity in the early light curves of SNe Ia
(Sim et al. 2012; Noebauer et al. 2017; Jiang et al. 2017;
Maeda et al. 2018; Polin et al. 2019; Magee et al. 2021).
This may produce the early gamma emissions detected in
SN 2014J (Diehl et al. 2014, 2015; Isern et al. 2016).

Nickel-shell models: Piro & Nakar (2013) suggested
that the location of 56Ni in SN Ia ejecta could

have noticeable impact on early-time light curves of
SNe Ia. Piro & Morozova (2016) further investigated
how the distribution of 56Ni in the outer layers of the
ejecta shapes early light curves of SNe Ia. More re-
cently, Magee & Maguire (2020) comprehensively pre-
dicted early-time curves of SNe Ia from a series of models
containing 56Ni shells with different masses and widths in
outer layers of SN Ia ejecta. They have shown that a 56Ni
shell in outer SN Ia ejecta will lead to an early excess lu-
minosity at a few days after the explosion (Piro & Nakar
2013; Piro & Morozova 2016; Noebauer et al. 2017;
Magee et al. 2018; Magee & Maguire 2020; Magee et al.
2020).

CSM interaction: The presence of CSM is expected
in different progenitor scenarios (see Section 5.4), which
can also significantly affect early light curves of SNe Ia.
Piro & Morozova (2016) have shown that the presence of
CSM can lead to a significant shock cooling emission dur-
ing the first few days after the explosion, which can affect
the early-time rise of the light curves of SNe Ia (see also
Maeda et al. 2018; Moriya et al. 2023). Depending on the
degree of mixing of 56Ni in the exploding WD and the de-
tailed configurations of the CSM, this shock cooling emis-
sion can lead to early-time signatures (such as the early
colour evolution) similar to those caused by the ejecta in-
teraction with a companion star (Piro & Morozova 2016).
Figure 12 shows early light curves of SNe Ia predicted
from different proposed models described above.

Early light curves of SNe Ia have been studied
since 2010s to search for evidence of such early excess
emission (Hayden et al. 2010; Brown et al. 2012b,a;
Olling et al. 2015; Burke et al. 2022a). To date, nearby
SNe Ia with early excess emission have been reported
and interpreted with the theoretical models discussed
above: SN 2012cg (Marion et al. 2016; Shappee et al.
2018), SN 2012fr (Contreras et al. 2018), LSQ12gpw
(Firth et al. 2015), SN 2013dy (Zheng et al. 2013)
SN 2014J (Goobar et al. 2015), SN 2015ak (Jiang et al.
2018), SN 2015F (Im et al. 2015; Cartier et al. 2017),
SN 2015bq (Li et al. 2022), iPTF14atg (Cao et al.
2015), SN 2016jhr (Jiang et al. 2017)), iPTF16abc
(Miller et al. 2018), SN 2017cbv (Hosseinzadeh et al.
2017) , SN 2017erp (Jiang et al. 2018; Brown et al.
2019; Burke et al. 2022b), SN 2018yu (Burke et al.
2022b), SN 2018oh(Li et al. 2019c; Dimitriadis et al.
2019; Shappee et al. 2019), SN 2018aoz (Ni et al.
2022a,b), SN 2019yvq (Miller et al. 2020; Siebert et al.
2020), SN 2019np (Sai et al. 2022), SN 2020hvf
(Jiang et al. 2021), SN 2021aefx (Ashall et al. 2022;
Hosseinzadeh et al. 2022), SN 2021zny (Dimitriadis et al.
2023), SN 2022ilv (Srivastav et al. 2023) and SN 2023bee
(Hosseinzadeh et al. 2023; Wang et al. 2023).
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Fig. 13 A He-star companion at pre-impact phase (left panel) and post-impact phase (right panel) from a 3D hydrody-
namical simulation of the ejecta–companion interaction (Liu et al. 2013b, 2022).

Cao et al. (2015) suggested that an early UV ex-
cess emission seen in iPTF14atg is a strong evidence
of the ejecta–companion interaction in the SD scenario.
Similarly, Marion et al. (2016) and Hosseinzadeh et al.
(2017) respectively argued that the ejecta–companion in-
teraction is likely to be the origin of early-excess signa-
tures detected in SN 2012cg and SN 2017cbv. However,
whether the early excess emission of these SNe Ia can be
exclusively attributed to ejecta–companion interaction is
still under debate (Kromer et al. 2013a; Liu & Stancliffe
2016; Shappee et al. 2018). Recently, Jiang et al. (2017)
suggested that a He-detonation model provides a good ex-
planation for early light curves of SN 2016jhr. In addi-
tion, it has been proposed that the CSM interaction and
56Ni-mixing in outer layers of SN Ia ejecta are likely to
be the origin of early excess emissions of SN 2020hvf
(Jiang et al. 2021) and SN iPTF16abc (Miller et al. 2018),
respectively. Very recently, Dimitriadis et al. (2023) sug-
gested that the interaction of SN ejecta with 0.04 M⊙
H/He-poor CSM at a distance of about 1012 cm in the con-
text of the merger of two CO WDs can provide an expla-
nation for the early flux excess of SN 2021zny. In con-
trast to these studies, Hosseinzadeh et al. (2022) found that

no available models can convincingly reproduce the early
light curves of SN 2021aefx.

In summary, it is still hard to draw a strong conclusion
on the exact origin of early excess emission detected in
nearby SNe Ia. Current results seem to indicate that there
may be various mechanisms at play that cause early excess
emission in different SNe Ia.

5.3 Surviving companion stars

In the SD scenario, non-degenerate companion stars are
expected to survive SN Ia explosions (see Section 5.2;
Wheeler et al. 1975; Marietta et al. 2000; Pakmor et al.
2008; Liu et al. 2012, 2013a,b,c, 2021; Pan et al. 2012b;
Maeda et al. 2014; Boehner et al. 2017; Bauer et al. 2019;
Zeng et al. 2020). Searching for the surviving companion
star in nearby SN remnants (SNRs) has been commonly
considered to be a promising way to test the SD progen-
itor scenario (e.g. Kerzendorf et al. 2009; Ruiz-Lapuente
2019). The surviving companion stars are expected to dis-
play distinct observational signatures due to the mass-
stripping, shock heating and enrichment with heavy ele-
ments from SN ejecta during the ejecta–companion inter-
action. In addition, as the disruption of a binary progenitor
system after the explosion, surviving companion stars will
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Fig. 14 An example of post-evolution of the photosphere luminosity L, effective temperature Teff , radius R, and surface
gravity g of surviving He star companions as functions of time (Liu et al. 2022).

be runaways stars with a high peculiar space velocity com-
pared to other stars in the vicinity (see Section 5.2).

5.3.1 Theoretical predictions

Using 1D stellar evolution codes, early studies have in-
vestigated the post-impact properties of surviving com-
panions of SNe Ia by using simplified initial companion
models instead of results frim detailed modeling of the
ejecta–companion interaction. For instance, Podsiadlowski
(2003) and Shappee et al. (2013a) have studied the post-
impact evolution of a 1.0 M⊙ SG star and a 1.0 M⊙ MS
companion star, respectively. Podsiadlowski (2003) found
that the surviving SG star could become significantly over-
luminous by up to two orders of magnitude compared
with its pre-SN luminosity for 103–104 yr after the ex-
plosion. Similar results and conclusion were derived by
Shappee et al. (2013a) for their 1.0 M⊙ MS companion
star model. Both works claimed that the surviving compan-
ions become overlumious and detectable during the ther-
mal re-equilibration phase after the impact. However, these
two works did not perform detailed hydrodynamical im-
pact simulations, and they mimicked the ejecta–companion
interaction by adopting a rapid mass loss and an extra heat-
ing during a single star evolution.

By mapping the results from 3D hydrodynamical sim-
ulations of the ejecta–companion interaction (see right-
hand panel of Fig. 13) into 1D stellar evolution codes,
the post-impact evolution of surviving MS star (Pan et al.
2012a; Rau & Pan 2022) and He-star (Pan et al. 2013;
Liu et al. 2022) companions of normal SNe Ia have been
followed over a long timescale of 104–107 yr after the ex-
plosion until the stars reestablish their thermal equilib-
rium. The same method was applied for the investiga-
tions of observational signatures of surviving companion
stars from Chandrasekhar-mass pure deflagration explo-
sions for SNe Iax (Liu & Zeng 2021; Zeng et al. 2022a,b)
and from the sub-Chandrasekhar-mass double-detonation
explosions (Liu et al. 2021). The expected observational
signatures of surviving companions from current studies in
the literature are summarized as follows (Figs. 13 and 14).

(1) It is found that the ejecta–companion interaction
causes an energy deposition in the companion star due
to shock heating while removing some material from
the companion’s surface. Because the companion stars
are strongly heated and inflated during the interaction
(Fig. 13), they continue to expand and become over-
luminous over a Kelvin–Helmholtz timescale after the
impact. As the companion stars re-establish the ther-
mal equilibrium, they continue to evolve on a track
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fairly close to that of an unperturbed star with the same
mass.

(2) Depending on different companion models and initial
binary separations, the surviving MS and He-star com-
panions of normal SNe Ia expand for a time-scale of
10–104 yr and tens of years to reach a peak luminos-
ity on the order of 10–1000 L⊙ and ∼ 104 L⊙, respec-
tively. The stars start to contract when they have radi-
ated away the deposited energy.

(3) After the explosion, the surviving He-star companions
of sub-Chandrasekhar mass double detonation SNe Ia
inflate for about 100–1000 yr and reach peak luminosi-
ties of 102–103 L⊙, exceeding their pre-explosion lu-
minosities by 2–3 orders of magnitude.

(4) The surface rotational speeds of companion stars could
significantly decrease after the interaction due to the
angular momentum loss and their dramatic expansion.
As the deposited energy has radiated away, the stars
shrink and their surface rotational speeds increase, be-
coming a fast-rotating object again after the thermal
equilibrium is reestablished. This suggests that the sur-
viving companion stars could rotate slowly although
they are fast-rotating stars originally (assuming that
the star co-rotates with its orbit due to the strong tidal
interaction during the pre-SN mass-transfer phase).
The expected state of rotation of surviving compan-
ions thus depends on the age of SNR.

(5) The post-impact evolution of the surviving companion
star is determined strongly by the competition between
the amount and depth of energy deposition into the star
during the interaction.

(6) The inclusion of the orbital motion and the spin of the
companion star into impact simulations does not af-
fect the the post-impact properties of companion stars
significantly.

(7) When artificially adjusting the kinetic energy of the
SN ejecta by scaling the velocities based on an original
explosion model (e.g. the W7 model), it is found that
a higher kinetic energy leads to a higher total amount
of energy deposition and a greater depth of energy de-
position for a given companion star model.

5.3.2 Searches for surviving companion stars

In the past few decades, many studies have focused
on searching for surviving companion stars as pre-
dicted for the SD scenario in the Galactic SNRs,
such as Tycho (e.g., Ruiz-Lapuente et al. 2004;
Ruiz-Lapuente 2019; Fuhrmann 2005; Ihara et al.
2007; González Hernández et al. 2009; Kerzendorf et al.
2009, 2013, 2018a; Bedin et al. 2014), Kepler (e.g.,
Kerzendorf et al. 2014; Ruiz-Lapuente et al. 2018),

and SN 1006 (e.g., González Hernández et al. 2012;
Kerzendorf et al. 2012, 2018b). Additionally, some SNRs
in the Large Magellanic Cloud (LMC): SNR 0509–67.5
(e.g., Schaefer & Pagnotta 2012; Pagnotta et al. 2014;
Litke et al. 2017), SNR 0519–69.0 (e.g., Edwards et al.
2012; Li et al. 2019a), SNR 0505–67.9 (DEML71,
Pagnotta & Schaefer 2015), SNR 0509–68.7 (N103B,
e.g., Pagnotta & Schaefer 2015; Li et al. 2017), and
SNR 0548–70.4 (e.g., Li et al. 2019a) were searched. To
date, no surviving companion could be firmly identified in
these SNRs. Nevertheless, there are a few candidates show
special features in line with the expectations and have
therefore been proposed as surviving companions in SN Ia
events (e.g., Ruiz-Lapuente et al. 2004, 2022; Geier et al.
2015; Shen et al. 2018b).

Tycho G: Ruiz-Lapuente et al. (2004) suggested that
Tycho G is a possible surviving companion because of its
peculiar radial velocity and proper motion, and a lower sur-
face gravity than a MS star (Bedin et al. 2014). Moreover,
(González Hernández et al. 2009) suggested that Tycho G
has an overabundance of Ni relative to normal metal-
rich stars, which seems to be consistent with the depo-
sition of heavy elements from an SN Ia explosion (but
see also Ihara et al. 2007). However, some other studies
cast doubts on this identification (Fuhrmann 2005). For
instance, Howell (2011) concluded that Tycho G is ap-
parently not out of thermal equilibrium. Kerzendorf et al.
(2013) showed that the measured [Ni/Fe] ratio of Tycho G
seems to be not so unusual with respect to field stars
with the same metallicity. In addition, Kerzendorf et al.
(2009, 2012) suggested that Tycho G is unlikely to be
the surviving companion star of SN 1572 because its
measured rotational velocity of ∼ 6 ± 1.5 km s−1 is much
lower than rotational velocities of pre-explosion MS com-
panion stars of 40–180 km s−1 (Han 2008). However, the
ejecta–companion interaction can significantly reduce the
rotational velocity of a companion star (Pan et al. 2012a;
Liu et al. 2013b, 2022; Zeng et al. 2022b).

US 708: In the sub-Chandrasekhar double detona-
tion scenario, the companion stars are expected to have a
high orbital velocities of up to ≃ 900–1000 km s−1 at the
moment of explosion (Neunteufel 2020; Neunteufel et al.
2022). The surviving companion stars from this sce-
nario are therefore good candidates of hypervelocity
stars (e.g., Geier et al. 2013, 2015; Shen et al. 2018b;
Neunteufel et al. 2019, 2022; Igoshev et al. 2022). The hy-
pervelocity star US 708 has been classified as a sdO/B
star. Based on a spectroscopic and kinematic analysis,
Geier et al. (2015) have reported that US 708 travels with
a velocity of about 1,200 km s−1, suggesting that it is one
of the fastest unbound stars in our Galaxy that was ejected
from the Galactic disc 14.0±3.1 Myr ago. Considering the
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possibilities of different acceleration mechanisms of hyper-
velocity stars, Geier et al. (2015) concluded that US 708 is
very unlikely to originate from the Galactic centre, but it is
rather the ejected donor remnant of a sub-Chandrasekhar
mass double detonation SN Ia. Very recently, comparing
the long-term evolution and properties of surviving com-
panion stars of sub-Chandrasekhar mass double detona-
tion SNe Ia with the observations of US 708, Liu et al.
(2021) suggested that US 708 would require the entire pre-
supernova progenitor binary to travel at a velocity of about
400 km s−1 if it is indeed the surviving He-star donor of a
sub-Chandrasekhar mass double detonation SN Ia. It could
have been ejected from a globular cluster in the direction
of the current motion of the surviving companion star (see
also Bauer et al. 2019).

MV-G272: Ruiz-Lapuente et al. (2022) explored
the Galactic Type Ia remnant SNR G272.2-3.2
(about 7, 500 yr old) with the Gaia EDR3, finding
a kinematically peculiar star (M1-M2 type dwarf)
Gaia EDR3 5323900215411075328, i.e., MV-G272. The
past trajectory of MV G272 shows that it was ejected from
the centre of SNR G272.2-3.2 about 6 000–8, 000 yr ago.
The mass, radius, effective temperature, surface gravity
and metallicity are measured to be M = 0.44–0.50 M⊙,
R = 0.446–0.501 R⊙, Teff = 3, 800 K, log g = 4.46
and [Fe/H] = −0.34, respectively. Based on kine-
matical characteristics of MV-G272 and its trajectory,
Ruiz-Lapuente et al. (2022) proposed that MV-G272 is
the surviving companion candidate of the SN Ia that
formed SNR G272.2-3.2. They also suggested that the
discovery of MV-G272 hints to the possibility of a SD
SN Ia progenitor system with an M-type dwarf companion
(Wheeler 2012).

5.3.3 Searches for surviving WD remnants

In the D6 model, the WD companion may survive
the explosion (see Section 3.2.5; Pakmor et al. 2013;
Shen et al. 2018b; Tanikawa et al. 2019; Boos et al. 2021).
Such surviving WDs are expected to fly away with
a velocity of & 1000 km s−1. Interestingly, Shen et al.
(2018b) discovered three hypervelocity WDs with a ve-
locity of 1000-1300 km s−1 in Gaia’s second data release
(Gaia Collaboration et al. 2016, 2018). Because these
three hypervelocity runaway WDs have inflated radii that
do not fit into any classical spectroscopic WD subtypes,
and show a much lower surface gravity and peculiar com-
position, Shen et al. (2018b) suggested that they are likely
to be the WD companions ejected from SNe Ia explo-
sion via the D6 mechanism (see also Chandra et al. 2022).
Shields et al. (2022) also attempted to search for fast-
moving WDs predicted by the D6 explosion in nearby

SN Ia remnant SN 1006, but none of such candidates
were detected. However, the exact fate of the secondary
WD in D6 model remains uncertain because it remains un-
clear whether it is detonated in the SN event (Pakmor et al.
2022). By artificially igniting a carbon detonation of the
secondary WD in a D6 model, Pakmor et al. (2022) found
that the explosion of secondary WD does not produce dis-
tinguishable observables (light curves and spectra) until
∼ 40 d after the explosion compared to a simulation with-
out an explosion of the secondary WD. Furthermore, there
is still no consensus on whether the first He detonation can
eventually trigger a carbon detonation of the primary WD
to cause an SN Ia (Roy et al. 2022).

It has been suggested that SNe Iax could arise from
weak deflagration explosions of Chandrasekhar-mass WDs
in which the stars are not fully disrupted. Such events
would leave behind a bound WD remnant that has been
shock heated significantly (Jordan et al. 2012a; Foley et al.
2013; Kromer et al. 2013a; Fink et al. 2014; Jha 2017). If
binary systems are destroyed by the SN explosion in this
model, such partly burnt WD remnants would be ejected
with a high velocity and a peculiar atmosphere due to en-
richment with heavy elements due to the SN explosion,
causing some unusual observational features (Shen et al.
2017; Zhang et al. 2019). To date, only a few candidates
for such partly burnt WD remnants have been reported.
Vennes et al. (2017) interpreted LP 40-365 as a partly burnt
WD remnant due to its high proper motion and peculiar at-
mosphere that is dominated by IMEs (see also Raddi et al.
2018, 2019; Hermes et al. 2021). Ruffini & Casey (2019)
suggested that a hyper-runaway WD in Gaia DR2, LP 93-
21, could be another candidate for such events. Foley et al.
(2014) reported a post-explosion detection of a TPAGB-
like source at the position of SN 2008ha by using HST im-
ages obtained 4.1 yr after the explosion. They suggested
that this source might be a candidate of either the bound
remnant of the WD or its companion star if this source is
indeed related to SN 2008ha.

Pakmor et al. (2021) have recently investigated the
fate of a DD system containing a 0.80 M⊙ primary CO WD
and a secondary hybrid HeCO WD with a mass of
0.69 M⊙. They found that the accretion from the secondary
hybrid WD onto the more massive primary CO WD gives
rise to a He-detonation when the accumulated He-shell
reaches a critical mass limit. This He-detonation burns
through the accretion stream to also incinerates the He-
shell of the secondary HeCO WD, compressing the CO
core of HeCO WD to subsequently trigger a detonation.
As a consequence, the HeCO WD explodes as a faint tran-
sient, and the primary CO WD survives from the explo-
sion. This is different from the D6 model, in which the
surviving star is the secondary WD (Shen et al. 2018b;
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Kawabata et al. 2021) rather than the primary CO WD
(Pakmor et al. 2022). Searches for such surviving primary
WDs in future observations will help to confirm or rule out
such an explosion mechanism.

5.3.4 Single (extremely) low-mass WDs

In the SD scenario, depending on the actual mass of the
companion star at the moment of SN Ia explosion and the
total amount of mass lost from companion surface by the
mass-stripping during the interaction (see Section 5.2), the
surviving companion stars could become single low-mass
WDs (< 0.5 M⊙; Justham et al. 2009; Wang et al. 2010;
Liu & Stancliffe 2018). In particular, hydrodynamical im-
pact simulations for RG companion stars have shown that
almost the whole envelope the RG companion is stripped
off by the explosion, leaving a low-mass He-core rem-
nant (Marietta et al. 2000). This suggests that the surviv-
ing companion stars could have masses less than ∼ 0.3 M⊙
(Brown et al. 2010), becoming single extremely low-mass
WDs (ELWDs) if the companion stars had been RG stars
(Liu et al. in prep). However, Brown et al. (2016) have
shown that all of the ELWDs (. 0.3 M⊙) are found in
binary systems rather than in isolation. If some SNe Ia
were indeed produced from the RG donor scenario (de-
spite the low SN Ia rates predicted by BPS calculations for
this channel as shown in Fig. 7; see also Maoz & Mannucci
2012; Liu et al. 2019; Liu & Stancliffe 2020), some single
ELWDs are expected to exist. Future observations might be
able to test the RG donor channel for SNe Ia by searching
for such single ELWDs.

5.4 Ejecta–CSM interaction

In the SD scenario, a significant amount of CSM
is generally expected to exist around the progen-
itor due to pre-explosion outflows (Hachisu et al.
1999; Han & Podsiadlowski 2006; Patat et al. 2007;
Sternberg et al. 2011; Dilday et al. 2012; Margutti et al.
2014):
(a) Stellar winds. The companion star in the SD scenario

could be a RG star or a AGB star. In this case, the
companion star loses mass in slow stellar winds at a
rate of 5 × 10−9 M⊙ yr−1 to 5 × 10−6 M⊙ yr−1 with
a typical velocity of 5–30 km s−1 (Seaquist & Taylor
1990; Vassiliadis & Wood 1993; Chen et al. 2011).
Depending on models used for the description
of wind accretion (e.g., Bondi–Hoyle–Lyttleton
model, Bondi & Hoyle 1944; slow wind accretion,
Liu & Stancliffe 2017; wind Roche-lobe over-
flow, Mohamed & Podsiadlowski 2007), mass loss
rates from the binary system are expected to be
& 10−8 M⊙ yr−1.

(b) Optically thick winds. At high mass-transfer rates in
the SD scenario, a so-called “optically thick wind
(OTW)” has been proposed to be driven from the WD
surface if the mass transfer rate is higher than the
critical accretion rate for stable H/He burning (about
6 × 10−6 M⊙ yr−1, Hachisu et al. 1999). The WD ac-
cumulates companion material at a rate of the crit-
ical accretion rate, and the unprocessed material is
lost by the OTW at a rate of & 10−8 M⊙ yr−1 with a
velocity of a few 1000 km s−1 (Hachisu et al. 1999;
Han & Podsiadlowski 2006).

(d) Non-conservative mass transfer. At intermediate mass
transfer rates, the steady mass-transfer happens
through RLOF, and a small fraction of the transferred
mass (. 1%) may be lost over the outer Lagrangian
points of the binary system with a velocity of several
100 km s−1 (up to ∼ 600 km s−1, see Deufel et al. 1999)
when the WD undergoes steady nuclear burning (see
also Chomiuk et al. 2012b; Margutti et al. 2014).

(e) Nova explosions. At low mass transfer rates, the ac-
creting WD is expected to experience repeated nova
outbursts due to unsteady H/He burning on its surface
(e.g. Starrfield et al. 1972; Nomoto 1982b; Yaron et al.
2005; Moore & Bildsten 2012; Wolf et al. 2013). In
these, nova shells are ejected with a typical veloc-
ity of 1000–5000 km s−1 with a typical mass of 10−7–
10−5 M⊙. Depending on the recurrence timescale
and shell dynamics (Hachisu et al. 2000; Moore et al.
2013), the mass loss due to nova explosions is ex-
pected to be . 10−6 M⊙ yr−1 (Yaron et al. 2005).

While CSM interaction imprints on the observables
were originally proposed as evidence for a SD progenitor
evolution, it is now thought that also the DD scenario may
produce significant amounts of CSM:

(a) Tidal tail ejection. Raskin & Kasen (2013) found that
during the merger of two WDs (but prior to their
final coalescence) ≈ 10−4 – 10−2 M⊙ of material can
be tidally ejected (which is referred to as “tidal
tail” mass loss) with a typical velocity of about
2 000 km s−1 to form a CSM around the system.
Therefore, a detectable shock emission in radio, op-
tical/UV, and X-ray wavelengths is expected to be
caused by the interaction of the SN ejecta with this
CSM (Raskin & Kasen 2013). Also, these “tidal tail”
ejections are expected to produce relatively broad
Na iD D absorption features at late times.

(b) The double-detonation scenario. Shen et al. (2013)
suggested that multiple mass ejection episodes could
happen over hundreds to thousands of years prior to
the merger of a CO WD +He WD binary system in the
context of sub-Chandrasekhar-mass double detonation
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Fig. 15 An example of using radio observations of SNe Ia to probe CSM properties of their progenitors (Chomiuk et al.
2012b). Left panel: A comparison between theoretical radio light curves (colored swaths) from synchrotron emissions
due to the ejecta-CSM interaction and deep 3σ limits on the 5.9 GHz radio luminosity of SN 2011fe from Expanded Very
Large Array (EVLA; black arrows). Additional data (gray arrows) from Horesh et al. (2012, scaled to 5.9 GHz) and a
stacked limit (white arrow) are also shown. Different colored swaths give the theoretical expectations for three progenitor
wind mass-loss rates highlighted in the figure in units of M⊙ yr−1/100 km s−1 by assuming ǫe = 0.1. The value of ǫB ranges
from 0.01 to 0.1 in each colored swath. The expected light curve from a model with uniform-density CSM of n = 6 cm−3

is presented in a dashed black line. Righ panel: Constraints on the parameter space (mass-loss rate vs. wind speed) for
different SD progenitor models discussed above (Section 5.4) for radio observations of SN 2011fe. Deep 3σ limits on
progenitor wind mass-loss rates for the cases of ǫB = 0.1 and ǫB = 0.01 from left panel are marked by solid and dashed
line, respectively. The progenitor models located at the lower right regions of these two lines are expected to detect radio
emissions by EVLA. Therefore, these progenitor models are likely to be ruled out for SN 2011fe. The figures are reprinted
from Chomiuk et al. (2012b, see their Figures 2 and 3) with the permission of the AAS.

explosion scenario (Pakmor et al. 2013). As a result,
about (3−6)×10−5 M⊙ of material can be ejected from
the binary system to the surrounding environment with
a velocity of ∼ 1500 km s−1.

(c) The core-degenerate scenario. Soker et al. (2013) sug-
gested that the violent merger of a CO WD with the
core of a AGB star during the CE phase might eject
some material (about 0.1 – 0.5 M⊙) and show some
signs of CSM if the SN Ia explodes soon after the mass
ejections (Soker et al. 2013; Ruiter et al. 2013).

(d) Mass outflows during rapid accretion. By simulating
the merger of two WDs, Dan et al. (2011) suggested
that about 10−2 to 10−3 M⊙ material can be lost
through the Lagrangian point with a possible velocity
of about 1000 km s−1 during the rapid accretion phase
of two WDs (see also Guillochon et al. 2010).

(e) Disk winds. Ji et al. (2013) simulated the merger of
two WDs taking the the effect of magnetic fields into
account. They suggest that a rapidly rotating magne-
tized WD could be formed with a surrounding hot ac-
cretion disk if the WD-WD system fails to promptly
detonate. They further suggested that a fraction of the
disk (∼ 10−3 M⊙) could be lost with a velocity of about
2 600 km s−1 due to a magnetically driven wind.

5.4.1 Radio and X-ray emission from CSM interactions

After the SN explosion, the interaction of the SN Ia ejecta
with the surrounding CSM or ISM produces a shock wave,
accelerating particles and amplifying the magnetic field.
This leads to the emission of synchrotron radiation in radio
wavelengths (Chevalier 1977, 1982, 1998). Additionally,
the SN shock heats the CSM or ISM to high enough
temperatures (106–109 K) to produce X-ray emission
by inverse Compton scattering (Chevalier & Fransson
2006; Fransson et al. 1996). Therefore, the detection of
radio or X-ray from the CSM-interaction has long been
suggested to provide a way to constrain the properties
of the surrounding CSM, which can provide clues on
the mass-loss history of the progenitor system prior
to the SN explosion and thus place constraints on the
nature of progenitor systems. However, no such radio or
X-ray emission has been detectedf for most SNe Ia (e.g.
Immler et al. 2006; Panagia et al. 2006; Russell & Immler
2012; Chomiuk et al. 2012b, 2016; Horesh et al.
2012; Margutti et al. 2012, 2014; Pérez-Torres et al.
2014; Kilpatrick et al. 2018; Sarbadhicary et al.
2019; Cendes et al. 2020; Lundqvist et al. 2020;
Harris et al. 2021; Sand et al. 2021; Stauffer et al.
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2021; Hosseinzadeh et al. 2022), even for the nearby,
well-observed events, SN 2011fe (Horesh et al. 2012;
Margutti et al. 2012; Chomiuk et al. 2012b) and SN 2014J
(Margutti et al. 2014; Chomiuk et al. 2016; Kundu et al.
2017).

Figure 15 shows an example of probing the CSM prop-
erties of the progenitor of SN 2011fe with its radio ob-
servations (Chomiuk et al. 2012a). The lack of early-time
radio detection from SN 2011fe constrains the mass-loss
rate of its progenitor system to Ṁ = 6 × 10−10 M⊙ yr−1

for a wind velocity of vw = 100 km s−1 (see Fig. 15; see
also Chomiuk et al. 2012b). Moreover, an X-ray source
in SN 2011fe was neitehr detected by the Swift X-Ray
Telescope nor by Chandra, which constrains the pro-
genitor system mass-loss rate Ṁ < 2 × 10−9 M⊙ yr−1

for a wind velocity of vw = 100 km s−1 (Margutti et al.
2012). From the non-detection of early X-ray emission
from SN 2014J, Margutti et al. (2014) derived an up-
per limit for the pre-explosion mass-loss rate of Ṁ <

10−9 M⊙ yr−1 (for wind velocity of vw = 100 km s−1)
in the context of inverse Compton emission from up-
scattered optical photons by the SN shock (see also
Kundu et al. 2017). Based on a sample of 53 SNe Ia ob-
served with the Swift X-Ray Telescope, Russell & Immler
(2012) calculated a 3σ upper limit for the X-ray luminos-
ity of 1.7 × 1038 erg s−1 (Russell & Immler 2012), which
corresponds to an upper limit on the mass-loss rate of
1.1 × 10−6 M⊙ yr−1

× (vwind)/(10 km s−1). More recently,
Lundqvist et al. (2020) reported no radio detections for
a sample of 21 nearby SNe Ia with deep radio observa-
tions, which constrains their pre-explosion mass-loss rates
to Ṁ . 4 × 10−8 M⊙ yr−1 for a wind velocity of vw =
100 km s−1. All these results seem to disfavor the SD sce-
nario because it usually predicts a significant amount of
surrounding CSM.

In contrast, Kool et al. (2022) conducted radio
searches with the electronic Multi-Element Radio Linked

Interferometre Network (e-MERLIN) with a phase-
referencing mode at the C-band (5.1 GHz) for SN 2020eyj,
concluding that SN 2020eyj has shown significant signa-
tures of CSM in its spectra (narrow He emission lines).
Interestingly, Kool et al. (2022) also report that radio sig-
nals were observed for SN 2020eyj in two epochs . They
argue that SN 2020eyj originated from a binary progenitor
consisting of a WD and a He-star donor (i.e. WD + He-
star model) because its spectra show features of interaction
with He-rich CSM (narrow He emission lines) and their ra-
dio detection seems to be consistent with the prediction of
the WD + He-star model (Moriya et al. 2019). This would
therefore be the first detection of radio emission from a
SNe Ia. However, whether the detected radio signals were

indeed produced by SN 2020ejy still needs to be confirmed
by higher-resolution radio observations.

5.4.2 Narrow spectral lines caused by CSM interaction

The CSM around SN Ia progenitor systems is expected be
ionized by the UV radiation to produce time-varying ab-
sorption features in the SN spectra, which are expected
to be detected by multi-epoch high spectral resolution ob-
servations (Patat et al. 2007; Sternberg et al. 2011). The
detection of such absorption features may help to place
constraints on the nature of SN Ia progenitor systems.
Patat et al. (2007) reported the first detection of variable
blueshifted neutral sodium (Na iD ; λλ 5890, 5896) ab-
sorption lines in SN 2006X. They interpreted this find-
ing as strong evidence for a SD origin of SN 2006X.
Following Patat et al. (2007), similar time-variable ab-
sorption features associated with CSM were reported in
some other SNe Ia either from high spectral resolution
observations (SN 2007le, Simon et al. 2009; PTF 11kx,
Dilday et al. 2012) or from low spectral resolution obser-
vation (SN 1999cl, Blondin et al. 2009). Sternberg et al.
(2011) studied variable Na iD absorption features in a
sample of 35 nearby SNe Ia with single-epoch high-
resolution spectra. They found that 12 SNe Ia (∼ 34%)
displayed blueshifted absorption, and 13 SNe Ia did not
show Na iD absorption (these objects are preferentially
located in early-type galaxies). They thus concluded that
more than 20% of SNe Ia may result from the SD scenario.
These results were confirmed by Maguire et al. (2013) who
combined a new sample of 17 low-redshift SNe Ia ob-
served with the XShooter intermediate-resolution spectro-
graph on the European Southern Observatory Very Large

Telescope with the sample given by Sternberg et al. (2011).
Foley et al. (2012) suggested that SNe Ia with blueshifted
absorptions generally have higher ejecta velocities and red-
der colors around maximum light compared with the rest
of SN Ia population (see also Hachinger et al. 2017). More
recently, Graham et al. (2019) suggested that SN 2015cp
was likely to have CSM properties similar to those of the
well-studied event PTF11kx.

5.4.3 Other imprints of CSM

The accreting WDs in the SD scenario are a power-
ful source to photoionize He ii in the surrounding gas,
producing emission in the He ii recombination line at
λ 4686 Å. These He ii recombination lines can be used as
a test of the nature of SN Ia progenitors (Rappaport et al.
1994; Woods & Gilfanov 2013; Johansson et al. 2014;
Graur et al. 2014a; Chen et al. 2015).

If the OTW model is adopted in the SD scenario
(Hachisu et al. 1996, 1999), a significant pre-explosion
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Fig. 16 An example of how asymmetries in SN Ia ejecta contribute to the shaping of SNRs. The figure illustrates slices
of mass density of all material at t = 1 yr (left), t = 100 yr (middle), and t = 500 yr (right) from 3D hydrodynamical
SNR simulations (i.e. the ejecta-CSM/ISM interaction) of Ferrand et al. (2019) by adopting either a 1D angle averaged
spherically symmetric ejecta model (top panels) or a fully 3D ejecta model (bottom panels; the N100 delayed detonation
model of Seitenzahl et al. 2013b) as the initial condition. Note that different length scales are used in diagrams at different
ages, which are respectively given in the order of 0.085 pc, 5 pc and 13 pc from left to right. The figure is reprinted from
Ferrand et al. (2019, see their Figures 3) with the permission of the AAS.

mass loss (or outflow) with high velocity of a few
1000 km s−1 is expected to modify the structure of the CSM
at the time of the SN explosion. This evacuates a detectable
low-density cavity around the WD (Badenes et al. 2007).
However, neither a cavity around the WD nor He ii recom-
bination lines have been firmly detected in SNe Ia to date
(Badenes et al. 2007; Johansson et al. 2014; Graur et al.
2014a).

5.4.4 Properties of supernova remnants

As the SN Ia ejecta interact with its surrounding CSM
or ISM on timescales of hundreds or thousands of years,
a shock wave is generated and propagates outward into
the surroundings, and the SNR phase begins. The region
enclosed by this shock wave, which contains both the
SN ejecta and the swept-up material, is known as SNR
(Woltjer 1972). In general, Type Ia SNRs appear to be
more spherical than those of core-collapse SNe, but some
of them do show asymmetries either in their morpholo-
gies or in their emission patterns. Examples for asym-

metric SNRs are Tycho (SN 1574; Warren et al. 2005;
Vigh et al. 2011), SN 1006 (Winkler et al. 2014), Kepler
(SN 1604; Kasuga et al. 2018), and the youngest known
Galactic SNR G1.9+0.3 (Borkowski et al. 2013, 2017).
In particular, the observations of SNR G1.9+0.3 demon-
strated that the spatial distribution of both IMEs and Fe
are significantly asymmetric (Borkowski et al. 2013, 2017;
Griffeth Stone et al. 2021).

The interaction of the SN blast wave with the
CSM has been modeled in numerical simulations to
make predictions on the properties of the resulting
SNRs. Again, the goal is to to constrain progeni-
tor models and explosion mechanisms (Chevalier et al.
1992; Blondin & Ellison 2001; Badenes et al. 2007;
Vigh et al. 2011; Chiotellis et al. 2012; Warren et al. 2005;
Orlando et al. 2012; Borkowski et al. 2013; Burkey et al.
2013; Williams et al. 2013, 2017; Ferrand et al. 2019,
2022; Kasuga et al. 2021). For instance, Badenes et al.
(2007) presented 1D hydrodynamic simulations of the
ejecta–CSM interaction by assuming a pre-SN time-
dependent wind. They found that the OTW from the WD
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surface excavates large low-density cavities around the
progenitors, which is incompatible with currently observed
features of known SNRs such as the Kepler, Tycho and
SN 1006. Chiotellis et al. (2012) performed a 2D simula-
tion with a spherically symmetric density profile of the SN
ejecta and a wind-bubble CSM model, finding that the ob-
served characteristics of the Kepler remnant are in good
agreement with predictions from an explosion in a dense,
bow-shaped bubble formed by the wind of the AGB donor
star.

Some asymmetries in SN Ia ejecta are expected to be
caused by SN explosion itself and by the presence of a
companion star in the SD scenario (see Section 5.2). These
asymmetries in SN Ia ejecta might affect the subsequent
ejecta-CSM interaction and therefore have an imprint on
the observable properties of Type Ia SNRs such as their
morphologies (Ferrand et al. 2019) and the spatial distribu-
tions of different chemical elements. A long-standing ques-
tion is whether asymmetries in SN Ia ejecta caused by the
explosion process contribute noticeably to the shaping of
SNRs or whether the remnant properties are entirely deter-
mined by the interaction of the SN ejecta with the CSM. To
test this, Ferrand et al. (2019) compared the SNR evolution
in 3D simulations initialized with a spherically symmetric
SN Ia ejecta model to that an asymmetric ejecta model de-
rived from a 3D explosion modeling (the N100 model of
Seitenzahl et al. 2013b). Fig. 16 shows the time evolution
of the density of all material (i.e., both SN Ia ejecta and
CSM) in the 3D SNR simulations of Ferrand et al. (2019).
They concluded that the impact of explosion asymme-
tries on the SNR morphology is still visible after hundreds
of years (Fig. 16). However, they neglected the effect of
the ejecta–companion interaction in their SNR modeling.
Vigh et al. (2011) presented 2D and 3D numerical simula-
tions of young SNRs with an asymmetric ejecta model, in
which the ejecta structure is artificially modified by con-
sidering the effect of the companion star. They concluded
that the asymmetries of the SN ejecta due to the presence
of a companion star can have a strong effect on the subse-
quent evolution of the SNR. Gray et al. (2016) found that
a hole in the SN Ia ejecta caused by the presence of a
nearby companion remains visible for many centuries af-
ter the interaction between the ejecta and the ISM (see also
Garcı́a-Senz et al. 2012). Ferrand et al. (2022) performed
3D SNR simulations in the context of the D6 model by
considering the effect of the presence of a WD compan-
ion, suggesting that the WD companion produces a large
conical shadow in the ejecta, visible in projection as a dark
patch surrounded by a bright ring.

For firm conclusions, further SNR modeling is re-
quired to comprehensively take into account the asymme-
tries in the ejecta caused by the ejecta–companion interac-

tion in the context of different SD progenitor systems (e.g.
the MS, SG, or He-star donor model) and to cover different
explosion models. This may provide a new way to distin-
guish the SD and DD scenario of SNe Ia through the SNR
observations.

5.5 Polarization features

Scattering from electrons distributed in the ejecta of the
explosion can linearly polarize light. Measuring polariza-
tion features of SNe Ia through spectropolarimetry is an
important tool for revealing the geometry of SN Ia ejecta
and the distribution of various elements in them. This can
provide constraints on the explosion geometry and thus
may be helpful for disentangling progenitor models and
explosion mechanisms (see Wang & Wheeler 2008, for a
review). Observations commonly find low levels of con-
tinuum polarization in SNe Ia (. 1%; Wang & Wheeler
2008; Cikota et al. 2019), typically 0.2–0.3 per cent in
normal SNe Ia, and 0.3–0.8 per cent in subluminous
SNe Ia. But a few events do show higher polarization, e.g.
SN 1999by (Howell 2001), SN 2004dt (Wang et al. 2006)
and SN 2005ke (Patat et al. 2012). In contrast to the low-
level continuum polarization, the polarization across the
line profiles of spectral features associated with IMEs such
as Ca, Si, sulphur (S) and Mg, has been found to be quite
significant in some SNe Ia (up to ∼ 2 per cent; Wang et al.
2003, 2006; Kasen et al. 2003; Patat et al. 2009, 2012;
Maund et al. 2010). This suggests significant asymmetries
in the element distribution in SN ejecta (Wang & Wheeler
2008). Also, it has been suggested that there may exist cor-
relations between the polarization of Si ii and either the
pseudo equivalent width (pEW) or the velocity of Si ii fea-
tures (Meng & Podsiadlowski 2017; Cikota et al. 2019).
Some earlier attempts to model the spectropolarimetry of
SNe Ia assumed either an ellipsoidal ejecta shape – which
is predicted in the explosion of a rapidly rotating WD
(Hoflich 1991; Howell 2001; Wang et al. 1997, 2001) –
or clumped and toroidal shells in the outer ejecta layers
(Kasen et al. 2003) and the results have been compared to
spectropolarimetry observations of SNe Ia (Höflich et al.
2006; Patat et al. 2012; Kasen et al. 2003).

Asymmetric ejecta from SN Ia explosions them-
selves (i.e., asymmetries in the geometry and ele-
ment distribution) have been predicted by many multi-
dimensional SN Ia explosion models (Hillebrandt et al.
2013; see Section 3.2). Recently, synthetic spectropo-
larimetry has been calculated by performing Monte Carlo
radiative transfer calculations for different possible ex-
plosion models, including violent mergers of two WDs
(Bulla et al. 2016a), sub-Chandrasekhar mass double-
detonation and Chandrasekhar-mass delayed-detonation
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Fig. 17 Theoretical flux and polarisation spectra of a weak pure deflagration explosion model (i.e. N5def model of
Fink et al. 2014) by considering the effect of the presence of a non-degenerate companion star. Top panels: Distribution
of density (left), IMEs (middle) and IGEs (right) of post-impact SN ejecta in the x − y plane from a 3D hydrodynamical
simulation of ejecta-companion interaction of Liu et al. (2013a). Bottom panels: Predicted flux, Q, U, and P spectra at
pre- and around maximum light are given from top to bottom. Different color lines give the results viewed from the five
different orientations (m1-m5) shown in the top left panel. Here, Q and U are the Stokes parameters. The results are
compared with those of SN 2005hk (black solid lines) for comparison. The figure is reproduced from Bulla et al. (2020,
see their Fig. 3) with permission© ESO.

models (Bulla et al. 2016b), and WD head-on collisions
(Livneh & Katz 2022). Bulla et al. (2016b) found that the
sub-Chandrasekhar mass double-detonation model and
the Chandrasekhar-mass delayed detonation model pro-
duce a low continuum polarization around maximum light
of about 0.1–0.3 per cent and it decreases after maxi-

mum light, which is in good agreement with spectropo-
larimetric observations of normal SNe Ia. In contrast,
(Bulla et al. 2016a) showed that the violent merger model
produces high Si ii line polarization of ∼ 0.5%–3.2%,
which is too strong to fit the observations of most SNe Ia.
Livneh & Katz (2022) predicts a low continuum polariza-
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tion of ∼ 0.5% for the head-on WD collision model but
they find a very high Si ii line polarization of ∼ 3%, which
is inconsistent with the observations.

All these simulations ignored the potential effect of
the ejecta–companion interaction on the predicted polar-
ization features. Kasen et al. (2004) addressed the effect
of an ejecta-hole asymmetry due to the ejecta–companion
interaction on the variation of the spectrum, luminos-
ity, and polarization with viewing angle by using multi-
dimensional radiative transfer calculations. They found
that high continuum polarization can be seen when look-
ing down the hole carved by the companion almost di-
rectly. However, a simplified structure and composition
of the SN ejecta was used in their modeling. Bulla et al.
(2020) have predicted spectropolarimetric features origi-
nating from a Chandrasekhar-mass pure deflagration ex-
plosion simulation and the subsequent ejecta–companion
interaction. They report a reasonable agreement between
predicted polarization features and those observed in SN
2005hk (see Fig. 17) and suggest that the polarization seen
at blue wavelengths around maximum-light was mainly
caused by ejecta asymmetries due to the ejecta–companion
interaction (Bulla et al. 2020). However, only a 1D aver-
aged spherically symmetric ejecta model (which ignores
the asymmetries of SN explosion itself) was used in their
simulations of ejecta–companion interaction.

For stronger conclusions on the effect of the presence
of a companion star on polarization features of SNe Ia, re-
alistic SN ejecta structures directly computed from simula-
tions of ejecta–companion interaction are needed as inputs
to calculate synthetic spectropolarimetry of SNe Ia in the
context of different explosion mechanisms.

5.6 Late-Time Photometry

Seitenzahl et al. (2009) pointed out that the slow decay
of 57Co, 55Fe and 44Ti can contribute significantly to the
light curve evolution of SNe Ia, slowing down their de-
cline later than ∼ 900 days after the SN explosion (see
also Seitenzahl & Townsley 2017). Different nucleosyn-
thetic yields (e.g. 57Co, 55Fe and 44Ti) are expected from
different explosion models. Therefrore, comparing the pre-
dictions from different explosion models (e.g. Röpke et al.
2012) with observed late-time light curves of SNe Ia
is a potential way to constrain the explosion condi-
tions (Graur et al. 2016a; Tucker et al. 2022b; Tiwari et al.
2022; Kosakowski et al. 2022). The following important
decay chains are generally considered in the study of SN Ia
late-time photometry (Seitenzahl et al. 2009):

56Ni
t1/2= 6.08 d

−−−−−−−−−−−−−→
56Co

t1/2= 77.2 d
−−−−−−−−−−−−−→

56Fe,

57Ni
t1/2= 35.60 h

−−−−−−−−−−−−−→
57Co

t1/2= 271.79 d
−−−−−−−−−−−−−→

57Fe,

55Co
t1/2= 17.53 h

−−−−−−−−−−−−−→
55Fe

t1/2= 999.67 d
−−−−−−−−−−−−−→

55Mn,

44Ti
t1/2= 58.90 yr

−−−−−−−−−−−−−→
44Sc

t1/2= 3.97 h
−−−−−−−−−−−−−→

44Ca.

To date, very late-time photometry has been ob-
served only for a limited sample of events, including
SN 2011fe (Shappee et al. 2017; Dimitriadis et al. 2017;
Kerzendorf et al. 2017; Tucker et al. 2022b), SN 2012cg
(Childress et al. 2015; Graur et al. 2016b), SN 2013aa
(Jacobson-Galán et al. 2018), SN 2014J (Yang et al. 2018;
Graur 2019; Li et al. 2019b), ASASN-14lp (Graur et al.
2018a) and SN 2015F (Graur et al. 2018b). The ratios
of 57Ni/56Ni and/or 55Fe/57Co of these SNe Ia were es-
timated and then compared with the predictions of dif-
ferent explosion models. For instance, based on pho-
tometry of SN 2011fe out to about 2, 400 d after maxi-
mum light, Tucker et al. (2022b) suggested that the late-
time light curve of SN 2011fe was powered by the en-
ergy released from the decay of both 57Co and 55Fe,
giving rise to mass ratios of log (57Co/56Co) ≈ −1.69
(which is reasonably consistent with the estimates for
other SNe Ia; Graur et al. 2016b, 2018b; Shappee et al.
2017; Dimitriadis et al. 2017; Jacobson-Galán et al. 2018;
Yang et al. 2018; Li et al. 2019b) and log (55Fe/57Co) ≈
−0.66. They pointed out that this was the first detection of
55Fe in SNe Ia. Tucker et al. (2022b) further concluded that
these late-time photometry observations of SN 2011fe are
consistent with the predictions either from a delayed det-
onation of a near-Chandrasekhar-mass WD (1.2–1.3 M⊙)
with a low central density or from a sub-Chandrasekhar-
mass WD (1.0–1.1 M⊙) experiencing a thin-shell double-
detonation. Tiwari et al. (2022) carried out a comprehen-
sive comparison between late-time light curves of five
SNe Ia (SN 2011fe, SN 2012cg, SN 2013aa, SN 2014J
and SN 2015F) and nucleosynthetic yilds of publicly-
available SN Ia models, suggesting that SN 2015F fa-
vors the sub-Chandrasekhar progenitor model, and other
SNe Ia are consistent with both near-Chandrasekhar and
sub-Chandrasekhar progenitor models.

Either a non-degenerate or WD companion star (in
the SD or D6 model; see Section 5.3) or a bound WD
remnant (in weak pure deflgration explosion model; see
Section 5.3.3) are expected to survive the explosion. These
surviving stars could become more luminous than their
pre-explosion brightnesses after the explosion due to sig-
nificant heating by the explosion and the radioactive de-
cay of captured SN Ia ejecta onto the star. As SNe Ia
fade at late time phases, the shocked companion star
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and/or WD remnant could become more luminous than
SN itself (Podsiadlowski 2003; Pan et al. 2012a, 2013;
Shappee et al. 2013a; Shen et al. 2017; Liu & Zeng 2021;
Liu et al. 2021, 2022; Zeng et al. 2022a). This suggests
that the surviving companion star or WD remnant could
begin to dominate light curves of SNe Ia at late-time
phases, causing the light curves to decline slower than
those of SN explosions themselves.

5.7 X-ray and EUV emission from accreting WDs

In the SD scenario, the accreting WDs are expected to
respectively undergo an extreme UV (EUV) radiation
phase and a supersoft X-ray source (SSS) phase (0.3–
0.7 keV; (van den Heuvel et al. 1992; Iben & Tutukov
1994; Kahabka & Ergma 1997; Yoon & Langer 2003;
Nomoto et al. 2007; Chen et al. 2015) before the SN ex-
plosions during the stable nuclear burning and the optically
thick wind regimes. Chen et al. (2015) conducted a popu-
lation synthesis study of accreting WDs in the context of
SD scenario to make predictions on X-ray and EUV emis-
sions from populations of accreting WDs.

Comparisons of the observed SSSs in galaxies of
different morphological types with X-ray expectations
from the SD model have been used to put constraints
on SN Ia progenitor models (e.g. Di Stefano 2010a,b;
Gilfanov & Bogdán 2010; Woods et al. 2017, 2018;
Kuuttila et al. 2019). For instance, Gilfanov & Bogdán
(2010) reported that the observed X-ray flux from six
nearby elliptical galaxies and galaxy bulges is lower than
the predictions from the SD scenario by a factor of 30–50.
They therefore concluded that no more than five per cent
of SNe Ia in early-type galaxies can be produced by the
SD scenario. However, Hachisu et al. (2010) pointed out
that there are still uncertainties on the theoretical X-ray
luminosity of the SSSs, such as the atmospheric models of
accreting WDs and absorption of soft X-rays. Depending
on the different mass-accretion rates, the accreting WDs
would undergo optically thick wind evolution, SSS phases
and nova outbursts. (Hachisu et al. 2010) further argued
that the SSS phase should be short in duration, because
most of the accreting WDs in the SD scenario spend a
large portion of time in the optically thick wind phase
and the recurrent nova phase. However, Chen et al. (2015)
predicted that also the optically thick wind evolution is
expected to produce significant EUV emission.

6 SUMMARY AND FUTURE PERSPECTIVES

Despite substantial efforts, the progenitor systems and ex-
plosion mechanisms of SNe Ia have been established nei-
ther observationally nor theoretically, although there is
consensus that SNe Ia arise from thermonuclear explosions

of WDs in binary systems. Different progenitor models and
explosion mechanisms have been proposed for SNe Ia in
the literature. We have reviewed theoretical predictions for
observables of SNe Ia at different stages of the explosion
and their comparison with observations in the context of
currently proposed progenitor models. Despite substantial
progress in the understanding of the origin and the ex-
plosion physics of SNe Ia over the past years, there are
still many open questions that need to be answered by fu-
ture studies taking both theoretical and observational ap-
proaches.

� How can different progenitor and explosion scenar-

ios be related to the diverse zoo of SN Ia subclasses?

SNe Ia have been used as excellent cosmological dis-
tance indicators because of the so-called Phillips rela-
tion, an empirical tight correlation between the peak
luminosity of SNe Ia and the width of the light curve
(Pskovskii 1977; Phillips 1993; Phillips et al. 1999).
However, the physics causing the Phillips relation is
still unknown. There is growing evidence for differ-
ent subclasses of SNe Ia that are in various charac-
teristics clearly distinct from normal SNe Ia and de-
viate from the Phillips relation (Taubenberger 2017).
Connections between potential explosion models and
some subclasses of SNe Ia have been established. For
instance, SNe Iax have been associated with off-center
ignited deflagrations in Chandrasekhar-mass WDs
(Phillips et al. 2007; Jordan et al. 2012a; Kromer et al.
2013a, 2015), a violent merger of two WDs seems to
be a possible explanation of observed features of a
subluminous, slowly declining SN 2002es-like event,
SN 2010lp (Kromer et al. 2013b; Pakmor et al. 2013).
However, the origin of the diversity of SNe Ia is still
far from being resolved.

� How do the WDs reach an explosive state? What

are the progenitor systems of SNe Ia? Despite the
substantial efforts undertaken from both the theoretical
and observational side, the questions of how the WD
reaches an explosive state and what progenitor sys-
tems are more likely to produce SNe Ia remain open.
No single published model is able to consistently ex-
plain the observational features and full diversity of
SNe Ia. A new progenitor paradigm might be needed
if all SNe Ia arise from the same origin. Otherwise,
a contribution of several distinct progenitor channels
may be an alternative.

� What is the efficiency of mass accumulation onto

an accreting WD? In the SD scenario, the accret-
ing WD does not retain a significant fraction of
the transferred material. Only a fairly narrow range
of accretion rates allows for steady mass accumula-
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tion, which makes it difficult to explain the observed
SN Ia rates in the context of that scenario. However,
the exact mass-retention efficiency is still not well-
constrained because of uncertainties in the novae
phase at low mass transfer rates and the treatment at
high mass transfer rates. BPS calculations have indi-
cated that different retention efficiencies could have
a strong influence on the predicted rates and delayed
times of SNe Ia (Bours et al. 2013; Ruiter et al. 2014;
Toonen et al. 2014). The so-called optically thick wind
model (Hachisu et al. 1999) is generally adopted at
high mass transfer rates to avoid the formation of a
CE. However, the optically thick wind does not work
at low metallicities, which seems to be in conflict with
the detection of high-redshift (z > 2) SNe Ia. Also,
the mixing between the accreted envelope and the WD
during the novae phase is still poorly constrained, lead-
ing to uncertainties in the mass retention during the
nova outbursts (Yaron et al. 2005; Denissenkov et al.
2013). Furthermore, the donor is expected to be irra-
diated by nova eruptions. How the nova irradiation af-
fects the donor star and thus the mass transfer rate is
not well understood (Ginzburg & Quataert 2021).

� What is the critical He shell mass in the sub-

Chandrasekhar double-detonation model? Early
studies have suggested that double detonations of
sub-Chandrasekhar mass WDs produce heavy el-
ements in the outer ejecta layers that drive the
flux too far into red colors to be consistent with
the observations of normal SNe Ia (Kromer et al.
2010). But it seems possible that a He detonation
could already trigger after accreting a rather thin
He shell (Bildsten et al. 2007; Shen & Bildsten 2009;
Shen et al. 2018a; Woosley & Kasen 2011) and then
lead to a core detonation (Fink et al. 2007, 2010;
Gronow et al. 2020, 2021a; Boos et al. 2021). It has
been suggested that explosions caused with thin ac-
creted He layers may be a viable scenario for nor-
mal SNe Ia (Townsley et al. 2019; Boos et al. 2021;
Shen et al. 2021b). However, the critical He-shell mass
that can successfully trigger double-detonations of
sub-Chandrasekhar mass WDs remains uncertain, as
well as its dependency on the mass of the accreting
WD.

� Can stripped H/He in the SD scenario be hidden?

Current hydrodynamic simulations predict that a sig-
nificant amount of H/He can be stripped off from the
companion surface by the SN blast wave. This seems
to imply the presence of H/He lines in late-time spec-
tra. However, no H/He lines have been detected in
normal SNe Ia but only in two fast-declining, sub-

luminous events (see Section 5.2.1). This poses a se-
rious challenge to the SD scenario. However, such
conclusions are based on models with an analytical
ejecta structure or the so-called 1D W7 model to rep-
resent a SN Ia explosion. The properties of this simpli-
fied SN Ia ejecta model differ from those directly de-
rived from 3D explosion modeling. This leads to un-
certainties not only on the amount of stripped H/He
masses, but also on the prediction of late-time H/He
lines and properties of surviving companion stars. To
determine whether the stripped-off H/He companion
material would be observable in SN Ia late-time spec-
tra, a new quality of impact simulations based on re-
alistic 3D ejecta structures is required. The output
ejecta structure predicted from such impact simula-
tions should be used directly as input for subsequent
3D radiative transfer modeling to test for H/He lines
in late-time spectra.

� Where are surviving companions in SD scenario?

Searching for the surviving companion stars in SNRs
is thought to be a promising way to potentially iden-
tify SD progenitor systems of SNe Ia. Although a few
surviving WD candidates of the sub-Chandrasekhar
mass double-detonation model have been reported in
the literature, no promising surviving companion star
predicted by the SD scenario has been identified yet
beyond doubt in SNRs (Ruiz-Lapuente 2019). Some
results seem to support an SD origin for at least
a few SNe Ia. For instance, the detection of vari-
able blueshifted absorption lines associated with CSM
in some SNe Ia. Also, Seitenzahl et al. (2013a) sug-
gested that at least a certain fraction of Chandrasekhar-
mass WD explosions are needed to explain the so-
lar manganese-to-iron ratio, which seem to favor the
SD scenario. The question is whether the surviv-
ing companion stars of SD SNe Ia do exit. The
spin-up/spin-down model predicts that the compan-
ion star could either be a MS star, a RG, a subdwarf-
B (sdB) star, or a WD (depending on the unknown
spin-down timescale), which may explain the non-
detection of surviving companion stars. Because of
this, Meng & Li (2019) suggested that searches for
such stars should be done preferentially in the U/UV

bands. Observations are still needed to search for such
surviving companions to test the SD scenario. As men-
tioned above, the predictions on the observational sig-
natures should be improved by adopting realistic 3D
ejecta structures in hydrodynamical impact simula-
tions.

� Do early excess emissions observed in SNe Ia share

the same origin? For a growing list of SNe Ia early
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excess emission has been reported. These objects
are sometimes referred to as “early-excess SNe Ia”.
Different mechanisms have been proposed to pro-
duce the observed bumps in the early light curves of
SNe Ia (see Section 5.2.2). It remains unclear, how-
ever, whether these early-time features share the same
origin. The discovery of more early excess SNe Ia in
future observations will enable us to conduct statistical
studies of their observational properties, and therefore
provide deeper insight into the origin of this feature.

� What imprint leaves the companion star on SN Ia

observables from different stages of the explosion?

Over the past years, the SN Ia explosion mechanism
and the evolution of potential progenitors have been
studied in quite some detail. However, the presence of
a binary companion star in the explosion process and
its implications for observations has received less at-
tention. Taking this effect into account holds promise
for identifying viable progenitor systems. Conversely,
its ignorance leads to a lack of realism in the observ-
ables predicted from explosion simulations. Future
studies are encouraged to address the role of a com-
panion star in shaping the observables of SNe Ia from
different phases of the explosion, such as the effect on
late-time spectra, polarization signals, and SNRs. Such
investigations are needed to better constrain SN Ia pro-
genitor systems and explosion mechanisms.

� How can the “spin-up/spin-down” model be identi-

fied observationally? It seems that the spin-up/spin-
down model is able to provide good explanations for
different observational facts on SNe Ia such as the non-
detection of a pre-explosion companion star, the lack
of radio/X-ray emission, and the absence of surviving
companion stars and swept-up H/He in late-time spec-
tra. On the one hand, the constraints on the exact spin-
down timescale is still quite weak. On the other hand,
a smoking gun is needed to observationally identify
the spin-up/spin-down model. This requires numeri-
cal modeling in the context of the spin-up/spin-down
model to make predictions for detectable signatures of
this model and to identify the properties of the donor
star.

� How can we improve the SN Ia peak-brightness

calibration? With the Phillips relation, SNe Ia have
been successfully used as cosmic distance indicators
to measure the accelerated expansion of the Universe.
To further advance the precision of SN Ia cosmol-
ogy and to constrain the properties of dark energy, the
peak-brightness standardization of SNe Ia needs to be
improved. The underlying causes of the variability of
peak luminosities should be understood in order to un-

veil the physics behind the Phillips relation and to re-
duce potential systematic errors of the distance mea-
surements. One of the keys is to understand the depen-
dence of SN Ia properties on the redshift, galaxy type,
host environment by statistical studies with large sam-
ples of well-observed SNe Ia.

Further understanding of the nature of SN Ia pro-
genitors and their explosion mechanism relies not only
on the improvements to theoretical modeling (binary
evolution and population synthesis calculations, impact
simulations, explosion modeling and radiative trans-
fer calculations, etc) but also on better observational
constraints. This requires both individual studies of
well-observed SNe Ia and systematical investigations
of different subclasses of SN Ia, which can be realized
with ongoing surveys and projects like ZTF (Smith et al.
2014; Bellm et al. 2019), Gaia (Gaia Collaboration et al.
2016, 2018), JWST (Gardner et al. 2006), ATLAS
(Tonry et al. 2018), PTF/iPTF (Law et al. 2009;
Rau et al. 2009), ASAS-SN (Shappee et al. 2014), Pan-
STARRS (Kaiser et al. 2002), YSE (Jones et al. 2021),
DES (Dark Energy Survey Collaboration et al. 2016),
SkyMapper (Keller et al. 2007), CRTS (Drake et al. 2009),
OGLE-IV (Wyrzykowski et al. 2014), La Silla-QUEST

(Baltay et al. 2013) and Subaru Hyper Suprime-Cam

Transient Survey (Tanaka et al. 2016), and forthcoming
projects with the Vera C. Rubin Observatory LSST

(Ivezic et al. 2008; Ivezić et al. 2019). In particular, LSST
is expected to discover ten million SNe during a ten-year
survey, which will yield hundreds of thousands of SNe Ia
with a broad range in redshifts. The combination of
statistical investigations of such large samples of SNe Ia
with individual studies of well-observed objects will
allow to address many questions of SN Ia (like the rates,
the progenitor systems, the explosion mechanism, the
host properties, the origin of diversity and the details of
variation in peak luminosity) in more detail, and will
also lead to major advances in the precision of SN Ia
cosmology (LSST Science Collaboration et al. 2009).
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Gilfanov, M., & Bogdán, Á. 2010, Nature, 463, 924 5, 36
Ginzburg, S., & Quataert, E. 2021, MNRAS, 507, 475 37
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Pakmor, R., Hachinger, S., Röpke, F. K., & Hillebrandt, W.

2011, A&A, 528, A117 9, 13
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Röpke, F. K., & De Marco, O. 2022, arXiv e-prints,

arXiv:2212.07308 17
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Röpke, F. K., Hillebrandt, W., Niemeyer, J. C., & Woosley,

S. E. 2006b, A&A, 448, 1 10, 11
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ABSTRACT

Giant pulses emitted by PSR B1937+21 are bright, intrinsically impulsive bursts. Thus, the observed signal
from a giant pulse is a noisy but direct measurement of the impulse response from the ionized interstellar
medium. We use this fact to detect 13,025 giant pulses directly in the baseband data of two observations of
PSR B1937+21. Using the giant pulse signals, we model the time-varying impulse response with a sparse
approximation method, in which the time dependence at each delay is decomposed in Fourier components,
thus constructing a wavefield as a function of delay and differential Doppler shift. We find that the resulting
wavefield has the expected parabolic shape, with several diffuse structures within it, suggesting the presence of
multiple scattering locations along the line of sight. We also detect an echo at a delay of about 2.4 ms, over 1.5
times the rotation period of the pulsar, which between the two observations moves along the trajectory expected
from geometry. The structures in the wavefield are insufficiently sparse to produce a complete model of the
system, and hence the model is not predictive across gaps larger than about the scintillation time. Nevertheless,
within its range, it reproduces about 75% of the power of the impulse response, a fraction limited mostly by the
signal-to-noise ratio of the observations. Furthermore, we show that by deconvolution, using the model impulse
response, we can successfully recover the intrinsic pulsar emission from the observed signal.

Keywords: Pulsars (1306), Radio bursts (1339), Interstellar scintillation (855), Deconvolution (1910)

1. INTRODUCTION

Radio signals emitted by pulsars propagate through the
ionized interstellar medium (ISM) and are distorted by a
variety of frequency-dependent effects such as dispersion,
birefringence, and scintillation due to multi-path scattering
(Rickett 1990). While these distortions make it difficult to
observe the intrinsic pulsar emission at low radio frequencies,
they also contain a wealth of information about the structure
of the ISM along the line of sight to the pulsar.

If the pulsar emission can be coherently separated from
propagation effects in the ISM, both the intrinsic radio emis-
sions of pulsars and the structure of the ISM can be better
studied. For example, coherent dedispersion (Hankins &
Rickett 1975) is used to remove the ν−2 dispersive effects
of the ionized ISM, by applying an inverse filter to raw volt-
age (baseband) data, for a known dispersion measure (DM).
Circular birefringence caused by Faraday rotation can also be
corrected in a similar manner using a rotation measure (RM).

Corresponding author: Nikhil Mahajan
mahajan@astro.utoronto.ca

There is, however, no similar general technique for inverting
the multi-path scattering effects responsible for scintillation.

Traditionally, pulsar scintillation is studied using dynamic
spectra. Recovering the impulse response of the ISM from
a dynamic spectrum requires solving an ill-posed phase re-
trieval problem, since generally only the amplitude informa-
tion is kept in the process of creating a dynamic spectrum.
Thus, approaches to this problem so far (Walker et al. 2008;
Baker et al. 2022) usually impose a sparsity constraint in or-
der to tackle it. Osłowski & Walker (2022) show that these
techniques fail when the true impulse response is dense.

Alternatively, cyclic spectroscopy (Demorest 2011; Walker
et al. 2013) is a technique that exploits the cyclic nature of
pulsar emission, to generate “cyclic spectra”, which preserve
some of the phase information that would traditionally be lost
in dynamic spectra. These cyclic spectra can then be used to
decouple the impulse response of the ISM from the intrinsic
pulse profile, as demonstrated by Walker et al. (2013). How-
ever, this technique assumes the observed signal is cyclosta-
tionary (i.e., the pulse profile is stable over the integration
time). Transient emission phenomena such as nulling, mode
changing, or giant pulse emission would violate this assump-
tion, and could affect the validity of a cyclic spectrum.
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In this work, we present a technique for using raw base-
band data of bright and impulsive giant pulses as direct mea-
surements of the ISM’s impulse response, and apply it to ob-
servations of PSR B1937+21. While this technique does not
depend on a priori knowledge about the source or assump-
tions about the structure of the impulse response, it does re-
quire the source to produce bright impulsive bursts at a rela-
tively high rate. Using the fact that nearby impulses are im-
printed with the same response, we find thousands of giant
pulses, which we then use to model the time-varying impulse
response of the ISM. We discuss how this modeled impulse
can help study the structures in the ISM which cause scintil-
lation, or recover the intrinsic pulsar emission from the ob-
served signal to better understand the radio emission mecha-
nism in pulsars.

2. BACKGROUND

For a point-like source such as a pulsar, propagation ef-
fects through the ionized ISM can be treated as linear and
time-invariant over short timescales. When the pulsar emits
a signal x(t), we observe

y(t) = (h ∗ x)(t) + ε (1)

where ∗ denotes a convolution, h is the impulse response
function (IRF), and ε is the noise term. This IRF includes
dispersion, scattering, and scintillation effects due to multi-
path propagation, as well as any instrumental effects. Due to
the relative motion of the pulsar, the Earth, and the structures
in the ISM, the IRF evolves with a characteristic timescale
usually called the scintillation timescale, tscint. So, the ef-
fects of the ISM can be properly characterized by h(τ, t), the
instantaneous impulse response at time t, where τ is the rel-
ative delay (also known as the lag). For most sources, the
timescales are well separated: typical scintillation timescales
are of order few minutes, while maximum lags at which the
IRF still has power are of order a millisecond.

If a source emits an impulse at time t0, such that x(t) =

a0 δ(t − t0), with a0 a complex-valued amplitude, then we
observe y(t) = a0 h(t−t0, t0)+ε. We can shift the observed
signal in time to acquire

g(τ) = y(τ + t0) = a0 h(τ, t0) + ε, (2)

a noisy measurement of the instantaneous IRF at time t0
scaled by a complex amplitude which is a property of the
emitted impulse. The impulse response must naturally be
causal such that h(τ, t) = 0 ∀τ < 0.

Pulsars that emit giant pulses can be used for such mea-
surements of the IRF, since giant pulses are so short to be
unresolved (in relatively narrow frequency bands). In order
to properly measure and model h(τ, t), the pulsar must emit
sufficiently bright pulses at a sufficiently high rate such that

multiple good measurements of the IRF can be made within
the scintillation time. If impulses are emitted too sparsely,
then it may not be possible to recover information about the
more rapid variations in h(τ, t). The bright giant-pulse emit-
ter PSR B1937+21, which produces thousands of impulsive
giant pulses per hour, is suitable for fully modeling h(τ, t).

2.1. Conjugate Wavefield

Pulsars emit giant pulses irregularly, which means that any
model of the IRF, h(τ, t), requires an interpolation scheme.
A convenient one is to write h(τ, t) as a Fourier series with
terms regularly spaced in frequency. The Fourier conjugate
of t is−fD, where fD is the differential Doppler shift relative
to the line of sight (following astronomical convention of a
Doppler shift being positive as the source is moving away
from the observer). In the usual physical picture where the
delay τ reflects the extra path length introduced by scattering
off a structure some distance away from the line of sight, one
has fD = τ̇ ν.

We define a “conjugate wavefield”,

W (τ, fD) := Ft−1 [h(τ, t)] , (3)

where Ft−1 is the inverse Fourier transform along t. With
this, the IRF at any time t can be determined by

h(τ, t) =
∑
fD

W (τ, fD) e−2πifDt. (4)

2.2. Relation to Dynamic and Secondary Spectra

In pulsar scintillation studies, a dynamic spectrum, I(ν, t),
is usually measured, and often the so-called “secondary
spectrum”, S(τ, fD) = |Fν,t[I(ν, t)]|2 (where F denotes a
Fourier transform, here along frequency ν and time t), is cal-
culated, because in τ, fD space the underlying structure of
the scattering screen is much more apparent.

The dynamic spectrum is related to the time-varying IRF
via

I(ν, t) = |Fτ [h(τ, t)]|2 (5)

(where we assume that the possible (slow) variation of
the pulsar emission strength with frequency has been re-
moved). Hence, the secondary spectrum is related to the
auto-correlation of conjugate wavefield via S(τ, fD) =

|W ?W |2 (where ? denotes cross-correlation).

3. OBSERVATIONS

We observed PSR B1937+21, a 1.56 ms pulsar, with the
327 MHz Gregorian receiver at the Arecibo Observatory for
2 hours on 2021 May 7 (MJD 58245), and 30 minutes on
2021 May 29 (MJD 58298). Using the Puerto Rico Ulti-
mate Pulsar Processing Instrument (PUPPI) in raw baseband
mode, we recorded 32 contiguous 3.125 MHz bands of dual-
polarization baseband data (i.e., a sample spacing of 320 ns).
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A polyphase filter is applied in the PUPPI backend which
reduces spectral leakage between bands. We use the BASE-
BAND (van Kerkwijk et al. 2021) and PULSARBAT (Mahajan
& Lin 2023) software packages to read and process the raw
baseband data. For our analysis, we only use bands in the
range of 297.3125 to 356.6875 MHz as the remaining bands
fall outside the analog bandpass filter and have diminished
signal strength. This leaves us with 19 usable frequency
bands, with a total bandwidth of 59.375 MHz centered on
327 MHz.

We pre-process the data by normalizing the passband
to correct for the effects of the polyphase filter and any
bright narrow-band channels that may occur due to radio
frequency interference (RFI). For both observations, we ex-
perience insignificant amounts of RFI and so we apply no
further RFI mitigation. The data is then coherently dedis-
persed using a DM of 71.0201 pc cm−3 on MJD 58245, and
71.0169 pc cm−3 on MJD 58298, with the DM values in-
ferred from giant pulses found in the dataset. For the tech-
nique presented in this paper, it is not important for the data
to be perfectly de-dispersed, since any excess dispersion will
be captured as part of the ISM’s impulse response.

We correct for relative time delays between the left and
right circular polarizations of 7.85 ns (MJD 58245) and
37.85 ns (MJD 58298)1. These delays are dominated by in-
strumental effects, but also include a contribution from cir-
cular birefringence in the ISM due to magnetic fields, also
known as Faraday rotation, characterized by a rotation mea-
sure (RM) of ∼ 7 to 8 rad m−2 (Yan et al. 2011; Dai et al.
2015; Wahl et al. 2022).

4. GIANT PULSE SEARCH

Giant pulses, being bright narrow bursts, are usually easy
to detect. However, to be useful as measurements of the
ISM’s impulse response, we need to align their observed sig-
nals to each other in τ (see Equation 2) to well within a sam-
ple. We achieve this by precisely measuring the differences
in time of emission between neighbouring giant pulses. Note
that we use the term “giant pulse” to refer to any sufficiently
bright impulse detected by our technique, without a specific
notion of what causes giant pulse emission.

We split up our observation into blocks much shorter than
tscint such that the IRF can be taken to be essentially time-
invariant across a few adjacent blocks. We then use an it-
erative procedure where giant pulses found in one block are
used to find giant pulses in adjacent blocks and so on until all
blocks have been searched.

1 We think that the relative difference of exactly 30 ns is caused by the
polarization pipelines in the instrument backend being out of sync by 3
samples when processing the raw 100 MHz signal stream.
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Figure 1. Giant pulse search. Top: Squared-modulus of the ob-
served signal. The reference pulse is marked with an arrow. The
inset shows the real part of the complex-valued voltages of the ref-
erence pulse, with the 0.4 ms span used in the cross-correlation
to find further pulses highlighted in pink. Bottom: Signal cross-
correlated with the reference pulse, revealing many other impulses.
The dashed horizontal line denotes the detection threshold we use.
The inset is a zoom-in around the impulse marked with the arrow,
with the dashed vertical line indicating the impulse’s computed lo-
cation.

In one cycle of this iterative loop, the goal is to find im-
pulsive giant pulses in a given block centered on some time
t′. We have y(t), the coherently dedispersed observed signal
(processed as described in Section 3), and a set of previously
detected giant pulses (in neighbouring blocks) of the form,

gj(τ) = aj h(τ, tj) + εj , (6)

such that |tj − t′| < ∆tmax, and aj are the a priori unknown
complex amplitudes of the pulses. The chosen ∆tmax must
be much smaller than the scintillation timescale, tscint, such
that we can safely treat these giant pulses as approximations
of h(τ, t′). In our data, we find that tscint ≈ 70 s, and we
choose ∆tmax = 20 s. Since we expect the signal-to-noise
ratio of the IRF to drop exponentially with delay, and since
the parts at high delay vary faster (since generically these
deviate more from the direct line of sight), we truncate the
giant pulses. We chose τmax = 0.4 ms, which captures ap-
proximately 90% of the power in the IRF.
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Since the observed signals are discretely sampled, we can
form a matrix G with elements Gj,k = gj(τk) such that

G ≈ ahᵀ, (7)

where a is the vector of amplitudes ai, and h is the
discretely-sampled impulse response h(τ, t′). Since ahᵀ is
a rank-1 approximation of G, we can use singular value
decomposition (SVD) to estimate h (to within a complex-
valued amplitude) as the first right singular vector of G (by
the Eckart–Young–Mirsky theorem).

If we cross-correlate this estimate of h(τ, t′) with y(t), gi-
ant pulses which are intrinsically impulsive will show up as
bright impulses,

z(t) = (h ? y)(t) =
∑
j

cj δ(t− tj) + ε, (8)

where ε is the noise term which includes all other contribu-
tions to the cross-correlation, tj is the location of the j-th im-
pulse in time, and |cj |2/〈|ε|2〉 represents the effective signal-
to-noise ratio of the giant pulse detection. We describe our
giant pulse detection criteria in Section 4.1.

For detections considered significant enough, we precisely
measure tj using an impulse estimation technique described
in Appendix A. With that, we can extract time-shifted snip-
pets of the observed signal, gj(τ) = y(τ + tj) to get noisy
measurements of the IRF at tj with unknown amplitudes aj
(Equation 2). These are then added to our growing set of de-
tected giant pulses and used to find more giant pulses in other
cycles of the iterative loop. To start the process, we begin
by manually finding a very bright and preferably broadband
giant pulse which serves as a reference for the giant pulse
search (specifically, a reference for τ = 0). The iterative
loop is started with the block containing this first giant pulse.
We illustrate this in Figure 1.

4.1. Giant Pulse Detection Criteria

To ensure we get no false positives, we set strict detec-
tion criteria when finding the impulses in z(t) from Equa-
tion 8. The noise term is well described by complex-valued
additive Gaussian white noise, and thus |ε|2 ∼ χ2

2 (the chi-
squared distribution with 2 degrees of freedom). For detect-
ing peaks, we use a minimum signal-to-noise threshold of
|cj |2/〈|ε|2〉 > 18. We can measure the location of an im-
pulse with a standard deviation of σtj . 30 ns or ∼ 0.09

samples (see Appendix A).
This signal-to-noise threshold gives us a false positive rate

of 10−7.3. However, an impulse is only accepted if it is de-
tected in a minimum of 3 signal streams out of 38 (from 19
frequency bands and 2 polarizations). The expected number
of false positives across all our data is thus much less than
one. By requiring that an impulse must be detected in at

least two frequency bands, we avoid accidentally detecting
any bright narrowband RFI bursts.

We also require that all detections of the same impulse are
no more than 200 ns apart from each other in time across
the various signal streams. We use the median time of all
detections to estimate tj , which lowers the error to σtj .
20 ns for the weakest pulses while being robust to outliers.
Finally, we filter out detected pulses which are closer than
0.6 ms to each other since these signals would essentially
contain a mixture of two differently-delayed copies of the
impulse response.

With these criteria, we detect 9627 and 3398 giant
pulses on MJDs 58245 and 58298, respectively. This cor-
responds to detection rates of 1.5 and 2.1 s−1, respec-
tively. The baseband snippets for these 13,025 detected gi-
ant pulses are made available as a dataset on Zenodo at
doi:10.5281/zenodo.7901384.

5. MODELLING THE WAVEFIELD

From the giant pulse search, we have thousands of noisy
measurements of the IRF, gi(τ). Using Equations 2 and 4,
we can form a system of equations that needs to be solved
for the wavefield,

gj(τ) = aj
∑
fD

W (τ, fD) e−2πifDtj + εj . (9)

For every τ , we have a linear system of the form y = Aw+ε

where y and w are the data and wavefield vectors, respec-
tively, at a particular τ , and A is the coefficient matrix with
elements given by

Ajk = aj exp(−2πifDktj). (10)

The linear systems for different τ are linked only through the
amplitudes aj , which are not known a priori. We describe
our method for estimating aj in Section 5.2, after discussing
how we solve for W for known aj .

5.1. Orthogonal Matching Pursuit

Due to the low signal-to-noise ratio in the dataset, ordinary
least squares without regularization gives poor results. Since
we expect the wavefield to be at least globally sparse (i.e.,
the observed scattered signal occupies a small portion of the
(τ, fD) space), a sparse approximation technique should be
appropriate. We use Orthogonal Matching Pursuit (OMP),
an iterative greedy algorithm for approximating sparse sig-
nals (Tropp 2004; Cai & Wang 2011), with our choice de-
termined mainly by it being computationally fast and easy
to implement relative to most other sparse approximation or
signal recovery techniques.

In each step of OMP, we select the fD column of A which
is most correlated with the current residual vector and add it

https://doi.org/10.5281/zenodo.7901384
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to a set of selected columns. Hence, we iteratively approxi-
mate the signal vector as ŵs = (A∗sAs)

−1A∗sy, where As is
the submatrix of A that only contains the selected columns,
then calculate a new residual vector r = y−Asŵs, and make
a new approximation. Here, ∗ denotes a conjugate transpose.
This is repeated until a stopping criterion is reached. The al-
gorithm returns the best approximation of the signal vector,
ŵ, which is non-zero only for elements corresponding to ŵs.

We use a stopping criterion of ‖A∗r‖2∞ > γ‖a‖2, where
a is the vector of amplitudes. This essentially stops the al-
gorithm when our residuals no longer strongly correlate with
any fD column in A. According to Cai & Wang (2011), this
stopping criterion is effective when the noise is Gaussian. If
all the signal components in the actual wavefield were very
bright, then we would be able to perfectly recover the wave-
field using OMP under this stopping criterion. However, in
natural signals, the magnitudes of sorted components decay
as a power law and there is usually no clear boundary be-
tween signal and noise. Thus, the choice of γ presents a
trade-off between denoising and accuracy. The variance of
noise that ends up in the modeled wavefield decreases expo-
nentially with increasing γ.

5.2. Warm start

Initially, both the amplitudes of the detected giant pulses
aj and the wavefield W (τ, fD) are unknown to us. However,
from Equation 9, if the wavefield is known, we can solve for
the amplitudes, and vice-versa. We use this idea to “warm
start” our optimization routine.

Given a giant pulse, gj = ajhj + ε, we can estimate |aj |
via

|aj |2 ≈
‖gj‖2 −Nσ2

‖hj‖2
, (11)

whereN is the length of the data vector and σ2 is the variance
of the noise term, ε, which is assumed to be additive Gaussian
white noise. The giant pulse needs to have a high signal-to-
noise ratio to ensure that ‖gj‖2 > Nσ2. Without flux cali-
bration, we cannot determine the total integrated intensity in
the impulse response (sometimes called the magnification).
So, we assume that ‖h‖2 = 1 (which is reasonable for our
case, since the density in fD and τ of our solutions implies
that the radiation arrives to us via many different paths).

Given two giant pulses, gj and gk, close to each other in
time such that they approximate the same impulse response
h, we can also estimate the relative phase difference between
their amplitudes via,

aja
∗
k ≈

gj g
∗
k

‖h‖2 . (12)

This can be iteratively applied to determine the phases of all
giant pulses relative to some reference pulse. The absolute
phase is arbitrary and cannot be determined.

Due to the low signal-to-noise ratio in our giant pulse
dataset, the amplitudes cannot be reliably estimated directly.
Instead, we use overlapping 20 s intervals with a step size
of 10 s and construct higher signal-to-noise approximations
hSVD,i of the IRF at the center of each interval i using
the SVD-based technique from Equation 7. The amplitudes
aSVD,i for these approximations are then easily estimated.
We use overlapping intervals to get more reliable estimates
for the relative phases between adjacent approximations.

With the amplitudes aSVD,i, we then solve for an approx-
imation of the wavefield using Orthogonal Matching Pursuit
as described in Section 5.1. This wavefield approximation
differs from the actual wavefield since combining informa-
tion from giant pulses in an interval essentially applies a sinc
filter on the wavefield. Furthermore, as the times at which
giant pulses occur are essentially random, the times of the
approximated IRF have some jitter around the mid-points of
the intervals, based on how the giant pulses were weighted in
the SVD. For instance, a very bright giant pulse at the edge
of an interval will dominate the approximation, leading to a
jitter of almost half the interval width.

We can, however, use this approximated wavefield to es-
timate the amplitudes of the individual giant pulses using
Equation 9. Then we use these amplitudes again to solve
for a better model of the wavefield using the giant pulse data
directly.

5.3. Wavefield Solutions

For our solutions of the wavefield, we restrict fD to the
range (−25,+25) mHz, with NfD = 1125 equally-spaced
points. Since the scintillation timescale is around 70 s, we
do not expect to see signals at higher differential Doppler
shifts. The number of components is larger than required by
lengths of our data sets (especially for the shorter observa-
tion), but given our choice of OMP for sparse approximation,
this makes no difference to the result.

For the warm start described in Section 5.2, we use a
stopping criterion of γ = 12, to ensure that the approx-
imate wavefield solution is virtually guaranteed to not in-
clue any noise components. This avoids biases when esti-
mating the amplitudes of individual giant pulses. Further-
more, we restrict the warm start solution to a delay range of
0 ≤ τ < 1.44 ms, i.e., we exclude the high-τ portion which
contains very little power and noise dominates.

With the amplitudes in hand, we then construct the final
wavefield, extending out to a delay range of −0.4 ≤ τ <

3.6 ms and using a more relaxed stopping criterion of γ = 5.
This value of γ is chosen to ensure that we can see even faint
features at large τ , but comes at the cost of allowing a larger
fraction of noise into the solution.

After the removal of relative time offsets between polar-
izations (as described in Section 3), we can expect both po-



6

0.0

0.5

1.0

1.5

2.0

2.5

3.0

3.5
τ

(m
s)

MJD 58245

−20 −10 0 10 20
fD (mHz)

0.0

0.5

1.0

1.5

2.0

2.5

3.0

3.5

τ
(m

s)

−20 −10 0 10 20
fD (mHz)

MJD 58298

−20 −10 0 10 20
fD (mHz)

302 MHz 327 MHz 352 MHz

302 MHz 327 MHz 352 MHz

0.0

0.5

1.0

1.5

2.0

2.5

3.0

0.0

0.5

1.0

1.5

2.0

2.5

3.0

Figure 2. Wavefield solutions for three specific bands (of width 3.125 MHz), for both our observations. The color scale corresponds to
log10 |W (τ, fD)|2 in arbitrary units. One sees that most power is contained within τ . 0.8ms, but that the IRF extends to larger delays, with
a faint structure at ∼2.5ms.

larizations to have almost the same impulse response (this
assumption is tested in Section 7.2). We ignore the higher-
order effects of Faraday rotation which are insignificant for
our observation given the source’s low RM.

We can, therefore, make wavefields which are polarization
independent by treating each polarization as a separate mea-
surement of the same IRF. In Figure 2, we show these wave-
field solutions for both observations across multiple bands.
In Figure 3, we compare the predicted IRF from the mod-
eled wavefield with the observed signal from a bright giant
pulse. In the zoomed inset of the top panel, we can see the
strong correspondence between the predicted IRF and the
observed giant pulse signal. However, this correspondence
seems stronger than expected given the amount of noise in
the observed signal. We further investigate this overfitting in
Section 7.

We can see that the primary structure in the wavefield has
a characteristic parabolic envelope which is often seen in
other observations of pulsar scintillation (Walker et al. 2008;
Stinebring et al. 2022; Main et al. 2023). We also see no
signal at negative delays, which is expected since the IRF

must be causal. The structures in the wavefields appear to
get wider in fD with increasing frequency. This is due to
the frequency scaling of fD. We can, instead, transform the
wavefields to a more natural (τ, τ̇) space via the transforma-
tion fD = τ̇ ν. In this space, common features across fre-
quency bands are aligned in (τ, τ̇). As a result, we can get
a higher signal-to-noise wideband representation of the total
intensity in the wavefield via

∑
ν |W (τ, τ̇)|2. Figure 4 shows

this combined (τ, τ̇) wavefield for both observations. An in-
teractive version of the figure also shows |W (τ, τ̇)|2 across
the frequency bands, where the correspondence of features
across frequency is visually evident.

6. 2.4 MS FEATURE

In the wavefield for MJD 58245, a relatively bright feature
can be seen at high delay, of around 2.4 ms (which we refer
to as the “2.4 ms feature” from here on), approximately 1.5

times the rotational period of the pulsar. A corresponding,
but fainter, feature at a slightly higher delay can be seen on
MJD 58298. We fit the features with a bivariate (2D) Gaus-
sian in the (τ, τ̇) space to measure the location of the fea-
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Figure 3. Comparison between the predicted impulse response and
an observed giant pulse at 327 MHz. As can be seen from the zoom-
in as well as from the flat residuals, there is good correspondence
between the data and the model.

Table 1. 2.4 ms feature center measurements

Time Delay, τ τ̇

(MJD) (ms) (µs / day)

58245.38 2.422 ± 0.004 4.15 ± 0.01
58298.24 2.650 ± 0.016 4.75 ± 0.02

NOTE—The MJD times listed are at the center of our obser-
vations.

ture’s center, which is denoted by a cross in Figure 4. The
τ and τ̇ values at the center of the Gaussians that we fit are
provided in Table 1.

Assuming that τ̇ changes linearly between the two obser-
vations, one expects ∆τ = 〈τ̇〉∆t = 0.235 ms, in agreement
with our measured change in delay, ∆τ = 0.228±0.016 ms.
This implies that the features in both observations most likely
correspond to the same scattering structure. On the sky, this
structure is moving away from the line of sight to the pulsar,
leading to a higher delay in the later observation.

We also investigate the frequency dependence of the delay
for the 2.4 ms feature by fitting a 2D Gaussian to the feature
on a rolling average of 3 frequency bands. In Figure 5, we
show the 1σ contours of these 2D Gaussian fits for different

frequencies on MJD 58245. Following Brisken et al. (2010),
who fit the angular offsets θ from the line of sight to a power
law of the form θ ∝ λγ , we try fitting to τ ∝ ν−2γ (using
that for a single, thin screen, τ ∝ θ2). Using the centers of
the 2D Gaussian fits for different frequency bands, we mea-
sure γ = 0.061 ± 0.005. This value of γ is similar to the
value measured by Brisken et al. (2010) for their “1 ms fea-
ture”. According to Simard & Pen (2018), this value for γ is
plausible for features caused by lensing from an under-dense
refractive plasma sheet. It should be noted that the feature
does not merely shift downwards in τ with increasing fre-
quency, but also get smaller in size. Thus the apparent shift
in τ is could simply be a consequence of high-delay paths be-
coming less favorable at higher frequencies. We do not find
a significant frequency dependence along τ̇ .

7. VALIDATION

In order to measure the performance of the modeled wave-
fields, we compare how well the predicted impulse responses
correlate with the giant pulse data. Given two signal vectors,
x and y, we can compute a normalized correlation

r =
|x∗ y|
‖x‖‖y‖ , (13)

which takes on values in the range [0, 1]. However, if we have
two noisy vectors, x̂ and ŷ, which include additional Gaus-
sian noise terms, then we compute a noise-corrected normal-
ized correlation

r̂ =
|x̂∗ ŷ|√

(‖x̂‖2 −Nσx2) (‖ŷ‖2 −Nσy2)
, (14)

where N is the length of the vectors, and σx2 and σy2 are
the respective variances of the noise terms in the vectors. If
the noise terms are uncorrelated, then r̂ ≈ r. However, if
the noise terms are correlated, the numerator in Equation 14
will be inflated by an additive term, Nσxy where σxy is the
covariance between the two respective noise terms.

7.1. Cross-Validation

We employ cross-validation with 13 “folds”, i.e., we di-
vide the giant pulses into 13 sets, each distributed similarly
in time and polarization. We take out one of these sets as a
“validation set”, and solve for an unpolarized wavefield us-
ing the remaining giant pulses, called the “training set”. We
do this 13 times such that every giant pulse is in a validation
set once.

In Figure 6, we show the noise-corrected correlations be-
tween bright giant pulses and the predicted IRFs (over 0 ≤
τ ≤ 0.8 ms). One sees a clear difference between the vali-
dation and training sets, with the noise-corrected correlation
for the validation set at r̂ ' 0.86, while that for the train-
ing set is at r̂ ' 1.05. The inflation in r̂ for the training set
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3.5 4.0 4.5 5.0
τ̇ (µs / day)

2.2

2.4

2.6

2.8

3.0

D
el

ay
,τ

(m
s)

MJD 58245, 302 MHz
MJD 58245, 327 MHz
MJD 58245, 352 MHz
MJD 58298

Figure 5. Best-fit τ and τ̇ (with error bars) inferred from Gaus-
sian fits to the 2.4 ms feature across three frequency bands on MJD
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center and widths for a fit for the total intensity on MJD 58298 are
shown for comparison.

is due to correlated noise, induced by overfitting: with our
choice of a relatively low value of γ, some of the noise in
the data has been included in the model. That this is indeed
the cause of the difference can be seen in the bottom panel
of Figure 6, where we show the normalized correlation using
only the pure-noise regions. As expected, the noise of pulses
in the validation set is uncorrelated with that of the predicted
IRFs, while the noise of pulses in the training set is slightly
correlated.

It should be noted that the mean r̂ for the validation set is
slightly higher for MJD 58298 compared to MJD 58245, de-
spite wavefield solutions using the identical parameters. This
is likely due to the higher overall quality of the solved wave-
fields from MJD 58298 where we find a higher detection rate
of giant pulses. The quantity of r̂2 ' 0.75 has a conve-
nient interpretation as being the fraction of total integrated
intensity of the true impulse response that is captured by the
modeled wavefields.

7.2. Comparing polarizations

In making polarization-independent wavefields, we make
the assumption that the impulse response is the same between
polarizations. Since Faraday rotation effects cause circular
birefringence as light propagates through magnetized ISM,
we know this assumption can be false in general. In prac-
tice, one could measure the average RM from bright giant

https://www.astro.utoronto.ca/~mahajan/interactive/interactive_wavefield.html
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pulses and correct for it properly with an inverse filter. In
our case, however, the RM is small enough that simply cor-
recting for a constant time delay (as described in Section 3)
between polarizations is sufficient, as the higher-order effects
are negligible in our narrow, 3.125 MHz bands.

In order to test this assumption, we can measure the cor-
relation between the two polarizations. For individual giant
pulses, we know that the noise terms are correlated between
polarizations due to the underlying regular pulsar emission
and possibly due to imperfections in the receiver (for exam-
ple, the polarizations may not be perfectly orthogonal). In-
stead, we estimate the IRF for giant pulses within 20s blocks
(using a rank-1 approximation as described in Equation 7).
This estimate should have uncorrelated noise across the two
polarizations, but the IRF itself should stay relatively con-
stant over a 20s period. We measure a mean noise-corrected
correlation between the the left- and right-circular polariza-
tions of r̂ ' 0.98. Thus, we find that the two polarizations
seem to largely contain the same information about the IRF.

7.3. Predictions in Gaps

We also experiment with how our technique performs in
regions where there are no data. We do this by solving the
wavefield on a subset of giant pulses where we exclude data
from a small span of time in the middle of the observation.
We find that for any span of time larger than the scintillation
timescale, the predicted IRF fails to correlate with the data
in the gap, with the noise-corrected correlation dropping to

zero for the entirety of the gap. Even with a short 1 minute
gap, the noise-corrected correlation at the center of the gap
drops to r̂ ' 0.5. We see the same effect when solving the
wavefield on only the central 1 hour of data on MJD 58245.
The correlation drops to zero almost immediately outside the
bounds of where data was available.

This implies that, for our data set at least, every “scintil-
lation timescale”-sized period of time contains unique and
non-redundant information about the time-varying impulse
response, and that the predicted impulse response cannot be
trivially interpolated into regions where there is no data, if
the gaps are of order tscint or longer.

8. INTRINSIC PULSAR EMISSION

The intrinsic pulsar emission can be recovered via decon-
volution. We observe a signal y = (h ∗ x) + ε, and our goal
is to compute a filter, g, such that x̂ = g ∗ y approximates x
well. We define a regularized inverse filter,

G(ν) =
H∗(ν)

|H|2 + µ
(15)

where H and G are the Fourier transforms of h and g respec-
tively, and µ is a regularization parameter. When µ = 0, then
g is simply the inverse filter of the IRF h. However, since
direct inverse filtering can be unstable due to division by val-
ues close to zero, a small positive µ can be used as a form
of regularization. Since we do not know the true IRF but
only a noisy approximation of h, this deconvolution scheme
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is not optimal. We use a constant value of µ = 0.01 which
is determined by trial-and-error – higher values of µ result
in undesirable artifacts in the recovered signal, while lower
values result in a lower signal-to-noise ratio in the recovered
signal.

We apply the regularized inverse-filter, g(τ), to the ob-
served signal, y(t), to recover the “intrinsic” emission signal,
x̂(t). Using pulsar timing models from NANOGrav (Alam
et al. 2021), we fold x̂(t) to get an “intrinsic” pulse profile
in the same way that the observed signal is usually folded.
Figure 7 shows a comparison between the observed and re-
covered intrinsic pulse profiles. For both observations, the
intrinsic profiles look almost identical despite the observed
profiles being noticeably different due to changes in scat-
tering between observations. There is also a strong corre-
spondence in the intrinsic profile across the 19 frequency
bands (also shown in Figure 8). In our work so far, all fre-
quency bands have been processed entirely independently of
each other. Thus, this correspondence provides additional
evidence for the validity of our modeled wavefields and the
predicted impulse response. In Figure 7, one also sees that
the intrinsic profile is stable across our 2 hour observation,
even though the observed profile varies significantly due to
scintillation effects. Since we assumed earlier that the im-
pulse response has a constant total power over time, the total
intensity of the recovered pulse profile is likely inaccurate
over short timescales. In principle, the observed pulse pro-
file could be used to calibrate the variations of the total IRF
power over time, which could be used to adjust the ampli-
tudes determined in Equation 11.

In Figure 8, we find a narrow bump on the trailing shoul-
der of both pulse components which we identify as the giant
pulse emission component. Almost all of the detected “im-
pulses” from our giant pulse search come from these two re-
gions in pulse phase. We defer the in-depth analysis of the
pulse phase distribution of detected pulses and the intrinsic
pulsar emission to a future publication, which is in prepara-
tion.

9. DISCUSSION

9.1. Solved Wavefields

In Figure 4, we can see faint but periodic bands in the back-
ground noise in delay. This is a manifestation of the regular
pulse emission underlying the giant pulse data. In our sparse
approximation technique, we use the same stopping criterion
for all delays. Thus, at delays where the regular pulse emis-
sion contributes, we see slightly brighter noise bands.

The wavefield we recover is relatively dense and filled in
within its envelope. We see at least three main “arms” lo-
calized in τ̇ extending up into higher delays, in both obser-
vations. The wavefield recovered via cyclic spectroscopy by
Walker et al. (2013) for observations of PSR B1937+21 at

428 MHz also show a relatively filled-in primary wavefield
structure, although it extends only out to about ∼ 0.5 ms, as
expected given the higher observing frequency.

In constrast, the wavefields recovered by Walker et al.
(2008) and Baker et al. (2022) for observations of PSR
B0834+06 around 320 MHz show thin parabolic structures
which indicates highly localized, anisotropic scattering. It
is possible that the wavefield structure in PSR B1937+21 is
caused by the signal propagating through several scattering
structures or screens. Since PSR B1937+21 lies in the Galac-
tic plane (b = −0.◦3) at a distance of 2.9 kpc (Ding et al.
2023), while PSR B0834+06 is at higher Galactic latitude
(b = 26.◦3) and is at only 0.65 kpc, it is not implausible that
there are more scattering structures along the line of sight to
PSR B1937+21.

Another piece of evidence pointing to multiple scattering
structures is that the bright 2.4 ms feature is quite extended
in both τ and τ̇ . If this was an independent scattering struc-
ture in the ISM, it would have to be quite large, with many
scattering points. It seems more plausible that instead the
situation similar to what is inferred for the “1 ms” feature in
PSR B0834+06 (Liu et al. 2016; Zhu et al. 2022), viz., that
the large τ and τ̇ reflect scattering off a few strong scatter-
ing points quite far from the line of sight, and that the extent
represents further scattering also by other structures closer to
the line of sight.

9.2. Comparison with other techniques

All other methods of recovering wavefields so far operate
on dynamic spectra. A conventional dynamic spectrum is
created by folding channelized intensity data into a pulse pro-
file across many sub-integrations. Since this removes phase
information, it makes reconstructing the impulse response of
the ISM much more difficult. Furthermore, since usually
several phase bins are necessary to sufficiently localize the
signal in pulse phase, the spectral resolution is inherently
limited by the pulse width, and generally it is impossible
to determine the impulse response beyond the pulse period.
Hence, a dynamic spectrum would not contain information
on features like that at 2.4 ms we detect, since that occurs at
a delay of 1.5 times the rotation period of PSR B1937+21.

The situation is better with cyclic spectroscopy, as it keeps
most of the phase information (Walker et al. 2013). On the
other hand, it relies on the assumption that the pulsar signal
is cyclostationary, and thus suppresses information in the ob-
served signal which does not conform to the cyclic frequency
provided. For this reason, the recovered intrinsic pulse pro-
files of PSR B1937+21 of Walker et al. (2013) do not exhibit
a giant pulse emission bump.

9.3. Wavefield Performance

We find that our solved wavefields fail to interpolate across
even relatively short gaps of a minute or so in the data with-
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out significant loss in performance, implying that the time-
varying impulse response contains unique non-redundant in-
formation across every scintillation time. This reflects the
fact that the wavefield is dense, with an extent in fD of
roughly the inverse of the scintillation time. This is easiest
to understand if there are multiple scattering structures along
the line of sight to the source.

This does not exclude that a sparser wavefield would have
greater interpolation performance, since there would be less
overall information to encode, and every short period of time
would contain largely redundant information. Such a wave-
field might be found for a different pulsar with a less compli-
cated scattering geometry along the line of sight, or perhaps
for PSR B1937+21 at higher frequencies, where scattering is
less efficient.

In principle, it may also be that even at our frequency it is
possible to resolve the scattering points by including larger
frequency chunks, if the scattering geometry does not vary
strongly with frequency and is close to being resolved in our
present bands. Modest evolution with frequency is suggested
by our measurements of the 2.4 s feature, as well as from
observations of PSR B0834+06 which show similar struc-
tures in neighboring frequency bands (Brisken et al. 2010).
We have not pursued this with our data, both since we worry
about complications arising from the gaps in frequency cov-
erage caused by the polyphase filter and because it would
seem better to start at somewhat higher frequency where the
situation should be less complex. We note, though, that with
wider frequency bands it may be required to account for the
evolution of structures with frequency, perhaps using more
physically motivated models such as those of Simard & Pen
(2018).

Finally, we note that features in the wavefield are expected
to move in delay (given non-zero τ̇ ) even across observations
a few hours long. Thus, we suspect that a solving the wave-
field over a wavelet basis, localizing features in time, rather
than a Fourier basis may improve performance by promoting
sparsity.

10. CONCLUSIONS AND RAMIFICATIONS

In this paper, we present a novel technique for giant pulse
search by pattern matching the raw voltage signals to find
pulses at a higher rate than conventional methods. We have
made available the baseband snippets for all 13,025 giant
pulses found using this technique as a dataset on Zenodo at
doi:10.5281/zenodo.7901384.

This technique can be applied to study giant pulse emission
in other pulsars, such as PSR B1957+20 (Main et al. 2017)
and PSR J1823-3021A (Abbate et al. 2020), both of which
are known to emit giant pulses at a high rate. It might also
be used in combination with cyclic spectroscopy, to give a

better starting point for inferring the impulse response from
the cyclic spectra, and/or to verify that that the resulting re-
sponses properly de-scatter giant pulses. Another application
would be to attempt recovering weaker bursts in repeating
fast radio bursts such as FRB20201124A which show simi-
lar scintillation patterns for bursts nearby in time (Main et al.
2022).

A basic assumption of our method is that giant pulses share
the same impulse response. Hence, by using it to test whether
this is the case, one can determine if a giant pulse emission
region is being spatially resolved by scattering, as has been
inferred for the Crab Pulsar (Lin et al. 2023). The solved
wavefields themselves can be a useful tool to study the struc-
ture of the ISM. For instance, comparing wavefields of dif-
ferent circular polarizations, one can study magnetic fields
along the line of sight to the source.

As we demonstrated, the intrinsic emission of a pulsar can
be recovered via deconvolution using the predicted IRFs. We
will present an analysis of the intrinsic emission for PSR
B1937+21 in an upcoming paper. This technique could be
even more useful at lower frequencies where the emission
profile of pulsars is often so dominated by stronger scatter-
ing effects that the pulse profile is completely washed out
(Kondratiev et al. 2016). The ability to recover the intrinsic
emission profile at frequencies as low as 100 MHz would aid
our understanding of the radio emission mechanism in pul-
sars.
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wards et al. 2006)

https://doi.org/10.5281/zenodo.7901384


13

APPENDIX

A. IMPULSE ESTIMATION

Given a noisy complex-valued signal consisting of an impulse, we wish to find the best estimate of the location of the impulse in
time. Essentially, given z(t) = a δ(t− t0)+ ε, we want to estimate t0. Here, the noise term, ε, is assumed to be additive Gaussian
white noise. The Fourier transform of z(t) would be a noisy signal consisting of a single complex sinusoid, the frequency of
which corresponds directly to t0. Thus, the problem of locating an impulse in time is the same as that of measuring the tone of
a single-frequency signal. This problem that has been studied extensively in the engineering literature, and much of the work
below draws heavily from proofs presented in Rife & Boorstyn (1974).

In practice, we observe a band-limited discrete-time version of z(t). The discrete Fourier transform (DFT) of this signal is
given by,

Zn = a exp

(−2πit0n

N

)
+ ε, (A1)

where a is the complex amplitude of the impulse, and ε ∼ CN (0, Nσ2) is the noise term (CN refers to the complex-valued
normal distribution). The signal-to-noise ratio of the impulse is given by S/N = |a|2/σ2. The factor of N in the noise variance
is due to the convention in normalizing DFTs. In time-domain, this translates to our assumption of additive Gaussian white noise
with variance σ2.

Intuitively, we can see that by taking the discrete-frequency, continuous-time inverse Fourier transform of Z,

f(t) =
1

N

∑
n

Zn exp

(
2πitn

N

)
(A2)

we can get a maximum-likelihood unbiased estimator of t0,

t̂ = argmax
t
|f(t)|2 (A3)

It can also be seen that â = f(t̂) is a maximum-likelihood estimator for the complex-amplitude of the impulse, a.
The variance of t̂ is given by

var(t̂) =
3

2π2

σ2

|a|2
N2

N2 − 1
≈ 0.152

S/N
(A4)

which is also the Cramér-Rao lower bound.
From this, we can see that the location for an impulse with S/N = 18 can be estimated with an error of σt ∼ 0.09 samples

(which is 30 ns when using a sample spacing of 320 ns, as is the case in our data).
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ABSTRACT

Context. Observations have shown that some filaments appear and disappear in the Hα line wing images periodically. There have
been no attempts to model these "winking filaments" thus far.
Aims. The evaporation-condensation mechanism is widely used to explain the formation of solar filaments. Here, we demonstrate,
for the first time, how multi-dimensional evaporation-condensation in an arcade setup invariably causes a stretching of the magnetic
topology. We aim to check whether this magnetic stretching during cyclic evaporation-condensation could reproduce a winking
filament.
Methods. We used our open-source code MPI-AMRVAC to carry out 2D magnetohydrodynamic simulations based on a quadrupolar
configuration. A periodic localized heating, which modulates the evaporation-condensation process, was imposed before, during, and
after the formation of the filament. Synthetic Hα and 304 Å images were produced to compare the results with observations.
Results. For the first time, we noticed the winking filament phenomenon in a simulation of the formation of on-disk solar filaments,
which was in good agreement with observations. Typically, the period of the winking is different from the period of the impulsive
heating. A forced oscillator model explains this difference and fits the results well. A parameter survey is also done to look into details
of the magnetic stretching phenomenon. We found that the stronger the heating or the higher the layer where the heating occurs, the
more significant the winking effect appears.

Key words. Sun: Corona – Sun: magnetic fields – magnetohydrodynamics (MHD) – Sun: filaments, prominences – Sun: oscillations

1. Introduction

Solar prominences or filaments are cool and dense structures
in the solar corona (Tandberg-Hanssen 1995; Vial & Engvold
2015). As the surrounding corona is tenuous, they can easily be
observed in multiple wavelengths, such as Hα and extreme ul-
traviolet (EUV). This is convenient for detecting waves or oscil-
lations in the solar corona, for instance, as well as for examining
how they are manifested in prominences (Arregui et al. 2018;
Chen et al. 2020).

Due to the magnetic buoyancy, heavy prominences can be
suspended high up in the solar corona. There have been sev-
eral mechanisms proposed to explain how such dense and cool
plasma can enter the solar corona (see Mackay et al. 2010, for
example). Meanwhile, many of these mechanisms have been
demonstrated either by works of observation (e.g., Chae 2003;
Berger et al. 2011; Zou et al. 2016) or simulation (e.g., An et al.
1988; Kaneko & Yokoyama 2015; Fan 2018). The evaporation-
-condensation mechanism, which has been studied in 1D geom-
etry in detail in a number of previous works (see e.g., Antiochos
et al. 1999, 2000; Xia et al. 2011), is among these mechanisms.
Later on, this approach was extended to multi-dimensional mag-
netohydrodynamic (MHD) models (see e.g., Xia et al. 2012; Xia
& Keppens 2016; Li et al. 2022).

This evaporation-condensation mechanism works in the fol-
lowing way. Cool plasma in the chromosphere, mainly from the
higher chromosphere to lower transition region (TR) heights,
enters the solar corona through evaporation. The heating that
causes such evaporation is usually modeled as a parametrized lo-
calized heating source. It is denoted as Hloc so that it may be dis-

tinguished from the background heating, Hbgr, which is used to
balance the coronal radiative cooling and maintain a hot corona.
In the simulations, taking Zhou et al. (2021) as an example, the
following expression is used for the background heating, Hbgr:

Hbgr = H0 exp (− (y − y0) /λ0) , (1)

where y is the vertical coordinate perpendicular to the solar sur-
face and λ0 is the heating scale height. Control parameters y0
and H0 serve to set the magnitude of the background heating.
The expression in Eq. 1 is typically used in simulations which
lack detailed lower-lying convection aspects and/or neglect ad-
equate treatments of the full radiative transfer equation. Its jus-
tification is based on the observational fact that the total energy
transported into the corona (per unit area) should be in the or-
der of ∼ 2 × 105 erg cm−2 (Withbroe & Noyes 1977; Aschwan-
den 2001). Recently, Brughmans et al. (2022) studied the effect
of other observationally motivated forms of background heat-
ing (see Mandrini et al. 2000, for example), especially on the
in situ thermal-instability-driven formation process of promi-
nence structures in flux ropes (while ignoring condensation-
evaporation aspects).

The localized heating term Hloc usually takes the following
form:

Hloc = H1 exp
(
− |y − y1|

s /λs
1

)
, (2)

where s = 1 or 2. Although this expression is similar to that of
Hbgr, in this case, Hloc behaves quite differently. From previous
parameter surveys (Xia et al. 2011; Johnston et al. 2019; Pelouze
et al. 2022), successful simulations of evaporation-condensation
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have taken H0 to be on the order of ∼ 10−5–10−4 erg cm−3,
while H1 is typically larger by two to three orders of magni-
tude (H1 ∼ 10−2–10−1 erg cm−3). The scale height, λ0, has a
typical value of ∼ 102 Mm or even higher, making the heat-
ing in the corona nearly a constant. While λ1 is usually much
smaller, making the heating decay very quickly when the height
y deviates from y1. That is why Hloc is called localized heat-
ing. In previous 1D simulations, λ1 could be taken from a range
1%–10% of the total length of the loop, which is typically 2–
20 Mm for a 200-Mm-long loop (Müller et al. 2004; Klimchuk
et al. 2010; Xia et al. 2011; Pelouze et al. 2022). However, in
multi-dimensional simulations, a narrower range of values ∼ 2–
3 Mm is usually adopted (Keppens & Xia 2014; Xia & Keppens
2016; Zhou et al. 2020; Li et al. 2022; Jerčić & Keppens 2023).
It should be noted that although the magnitude parameter H1 is
larger than H0 by orders of magnitude, the total energy of H1 in-
tegrated throughout the chromosphere and corona could be even
one order smaller than H0. This could be the reason why we still
have no strong observational evidence for this localized heating.

The observable manifestation of the Hloc occurrence is,
thus, still under debate. For example, random footpoint mo-
tions can lead to small-scale reconnections (nanoflares, as sug-
gested by Parker 1988) and/or Ohmic dissipation (Pontin &
Hornig 2020), more recently evidenced as “campfires" (Bergh-
mans et al. 2021). Alfvén waves generated at the photosphere
can also cause wave energy leakage into the chromosphere or
transition region, through a variety of mechanisms (see, e.g., De
Groof & Goossens 2002; van Ballegooijen et al. 2014; Howson
et al. 2019). Torsional motions or tornado-like features may be
responsible for energy transfer from the lower atmosphere (Su
et al. 2012; Wedemeyer-Böhm et al. 2012). Small-scale energy
events should in any case be ubiquitous, but are hard to detect di-
rectly in observations in short wavelength bands. Recent obser-
vations in non-thermal meter-wave radio channels provide some
supporting evidence (Sharma et al. 2022).

Apart from studying formation of prominences, their os-
cillations have also widely received attention in recent years
(Ballester 2005; Tripathi et al. 2009; Arregui et al. 2018; Chen
et al. 2020). Prominence oscillations are ubiquitous, and they
have been observed since the 1930s (Dyson 1930). At that time,
filaments were found appearing and disappearing periodically
in the Hα line center and wings when their line-of-sight (LOS)
velocity is high enough. As a result, this phenomenon has also
been dubbed “winking filaments” and it has, in fact, been fre-
quently observed during an earlier time when spectroscopic ob-
servations were more popular, due to the lack of spatial reso-
lution for imaging observations (e.g., Hyder 1966; Ramsey &
Smith 1966). From these observations, it has been deduced that
the period of prominence oscillations should be a sort of intrinsic
property.

Starting from the beginning of this century, with the devel-
opment of instruments, more and more winking filaments have
been reported. Some of the winking filaments were reported as
by-products of Moreton waves or EUV waves. For example, Eto
et al. (2002) observed a winking filament caused by a More-
ton wave using Hα line center and ±0.8 Å wings and, similarly,
Okamoto et al. (2004) found a winking filament triggered by
an EUV wave. Winking filaments could also result from lower
atmosphere reconnections or coronal shocks (Isobe & Tripathi
2006; Grechnev et al. 2014).

Gilbert et al. (2008) proposed that the occurrence of the
winking filament phenomenon requires LOS velocities of at least
30 – 40 km s−1, which is related to the intensity contrast between
the filament and the background. With only a few selected wave-

lengths available, instead of having high spectral resolution data,
the LOS velocity could only be estimated using approximations.
For example, Isobe & Tripathi (2006) observed a filament oscil-
lation with a period of 2 hrs. Although this was mainly a hori-
zontal oscillation, they used the method mentioned in Morimoto
& Kurokawa (2003) obtaining LOS velocities of 20–30 km s−1,
which are much higher than the value of 4 km s−1for the horizon-
tal direction. Similarly, Gilbert et al. (2008) observed a winking
filament with a period of 29 min and a maximum LOS velocity
of 41 km s−1. However, Jackiewicz & Balasubramaniam (2013)
revisited this event with another method and considered that the
maximum LOS velocity is only few km s−1. In Table 1, we list
several parameters of winking filament obtained from selected
observations.

We point out that according to the definition of a winking
filament, only the LOS component of velocity is responsible for
the winking. For a filament near the center of the solar disk, this
would be an oscillation basically perpendicular to the solar disk,
which is in line with intuitive expectation. However, for a fila-
ment near the solar limb, it should be predominantly an oscilla-
tion parallel to the solar disk. As demonstrated by our previous
3D MHD simulations of oscillating prominences (Zhou et al.
2018), the restoring force (and the associated period) for these
two kinds of oscillations would be rather different. Therefore, in
the present work, the term "winking filament" only refers to an
oscillation perpendicular to the solar disk. In reality, however,
solar filaments are expected to be in a rather dynamic equilib-
rium state over most of their lifetimes (see, e.g., Berger et al.
2010; Xia & Keppens 2016; Berger et al. 2017; Zhou et al. 2020;
Jenkins & Keppens 2022; Jerčić & Keppens 2023). Thus, all
kinds of dynamics (perpendicular and parallel) are likely to be
coupled with each other.

In this work, we use the simulation to show that the for-
mation process of solar filaments by evaporation-condensation
mechanism can actually be responsible for the curious phe-
nomenon of the winking filament. Our novel idea invokes an
observationally justifiable temporal variability in the localized
heating, and we show how the magnetic stretching in a 2D setup
then leads to the winking in synthetic spectroscopic views. The
paper is organized as follows. In Sect. 2, we discuss the setup
of the simulation and the phenomenon of magnetic stretching;
Sect. 3 presents a simulation of a winking filament. Section 4
gives our conclusion and a discussion.

2. Evaporation-condensation and magnetic
stretching

In this section, we use a 2D model to demonstrate that a mag-
netic stretching phenomenon is embedded in the traditional
evaporation-condensation mechanism. This is a purely multi-
dimensional effect that can never be studied with the restricted
1D fixed-field assumption that is often made in evaporation-
condensation scenarios.

2.1. Numerical setup

The 2D magnetohydrodynamic (MHD) model used here is sim-
ilar in setup with previous work (Keppens & Xia 2014). The
simulation box ranges from −50 Mm < x < 50 Mm and
0 < y < 80 Mm. We used a 768×768 uniform grid so that the
resolution was 130 km × 104 km.

The atmosphere used in our simulation is composed of pure
hydrogen. For the region below a certain height yc = 2543 km,
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Table 1. Some typical observed winking filaments in observations

Literature Wave band Trigger Period
(min) position

vLOS

(km s−1)
Eto et al. (2002) Hα Moreton wave 15 near limb -

Okamoto et al. (2004) Hα EIT wave 20 near center -
Isobe & Tripathi (2006) Hα flux emergence 120 near limb 20–30

Gilbert et al. (2008) Hα & 10830 Å Moreton wave 29 near limb 41
Asai et al. (2012) Hα Moreton wave 15 near limb 50

Grechnev et al. (2014) Hα coronal shock 16 near center 15
Shen et al. (2014) Hα EUV wave 11–22 near center 6–14

we adopted the temperature profile T (y) from the traditional
VAL-C model (Vernazza et al. 1981). However, for the region
above yc, the following expression is used to extrapolate the
semi-empirical VAL-C model so that the vertical heat flux is con-
stant:

T (y) =
(
7Fc (y − yc) /

(
2κ‖

)
+ Ttr

7/2
)2/7

. (3)

We set the temperature at yc, which is the typical temperature at
the TR, Ttr = 4.47 × 105 K so that the two profiles are continu-
ously connected at yc. The constant vertical thermal conduction
Fc is 2 × 105 erg cm−2 s−1 and the Spitzer-type conductivity κ‖
is 8 × 10−7T 5/2 erg cm−1 s−1 K−1 in this work. The atmosphere is
partially ionized. The ionization degree of hydrogen is approxi-
mated by a single function of temperature (Heinzel et al. 2015).
The technical details will be given in the Appendix. Then, to-
gether with hydrogen number density at the bottom of the com-
putational domain nHb = 9.45 × 1013 cm−3, we can setup the hy-
drostatic equilibrium atmosphere. This specifies both the density
and the pressure profile (in 1D along the height).

After setting up the atmosphere, we added a potential,
quadrupolar field that has a magnetic dip located at the horizon-
tal center of our 2D domain:

Bx = +Bp0 cos
(
πx
2L0

)
e−

πy
2L0 − Bp0 cos

(
3πx
2L0

)
e−

3πy
2L0 , (4)

By = −Bp0 sin
(
πx
2L0

)
e−

πy
2L0 + Bp0 sin

(
3πx
2L0

)
e−

3πy
2L0 . (5)

We set L0 = 50 Mm while Bp0 is chosen to be 2 G in the demo
case so that the plasma β near the TR is approximately unity
and the magnetic field strength near the magnetic dip is approx-
imately 4–5 G.

The governing equations used in this purely 2D (all vectors
have only x, y components) simulation are as follows:

∂ρ

∂t
+ ∇ · (ρv) = 0, (6)

∂(ρv)
∂t

+ ∇ ·

(
ρvv + ptotI −

BB
µ0

)
= ρg, (7)

∂e
∂t

+ ∇· (ev + ptotv − BB · v)

= ρg · v + ∇ · (κ · ∇T ) − nenHΛ (T ) + H,
(8)

∂B
∂t

+ ∇ · (vB − Bv) = 0. (9)

Here, g = −g�r�2/(r� + y)2êy is the gravitational acceleration
and we have g� = 274 m s−2, r� = 691 Mm. The expression
∇ · (κ · ∇T ) is the field-aligned Spitzer-type anisotropic thermal
conduction where κ is tensor defined as κ = κ‖b̂b̂ and nenHΛ (T )
is the optically thin radiative cooling term taken from the tables
from Dalgarno & McCray (1972, for T<14000 K) and Colgan
et al. (2008, for T>14000 K). For the region below y = 2.5 Mm,
this radiative cooling term is turned off because, in the lower lay-
ers, we would need a more consistent radiative transfer treatment
for the chromosphere. The heating term, H, is given later. All the
other symbols in the equations have their usual meanings.

For boundary conditions, symmetric settings are adopted for
ρ, vy, p, and By, while vx and Bx are antisymmetric, on side
boundaries. All the variables are fixed on the bottom boundary
except that vx and vy are asymmetric. For the top boundary, Bx
and By are extrapolated, vx and vy are asymmetric, while ρ and p
are calculated according to a hydrostatic equilibrium assumption
based on an extrapolated T . Other numerical settings, including
the scheme, adopted limiter and divergence cleaning method, are
the same as in our previous work (Zhou et al. 2021), except the
transition region adaptive conduction (TRAC) method, which is
not used in this work. Simulations are done with our open source
code MPI-AMRVAC1 (Xia et al. 2018).

2.2. Magnetic stretching

We first relaxed the system till trelax = 214.7 min to a thermo-
dynamic equilibrium state. During the relaxation, only a back-
ground heating term, H = Hbgr, was imposed to balance the ra-
diative cooling. A time-dependent version of Eq. 1 is:

Hbgr (y, t) = Rbgr (t) H0 exp (y/λ0), (10)

where Rbgr (t) = max (5 − 12t/trelax, 1) is used to setup a steady
background heating after t = trelax/3. We chose H0 to be 6 ×
10−5 erg cm−3 and λ0 is 100 Mm.

The black solid lines in Fig. 1 (a) show the topology of
the magnetic field with some selected field lines, at the end of
the relaxation stage t = 214.7 min. The color scale shows the
temperature distribution at this moment. To show these distribu-
tions more clearly, a vertical slice is taken along the y-axis at
x =40 Mm. Temperature and number density (of hydrogen) dis-
tributions along this slice are shown in Fig. 1(b), with blue and
red solid lines, respectively. We can see that the TR is located a
little bit higher than y = 2 Mm.

Actually, the system is already in a relatively stable state af-
ter about 100 min, as shown in the later analysis. However, we
continue to relax the system for around 100 min to make a clear
comparison between the relaxation stage and the further local-
ized heating stage. To show how a magnetic field line indeed no
1 https://www.amrvac.org/
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longer changes in the latter half of the relaxation phase, we se-
lect the field line which starts from (x, y) = (45, 0) Mm (so that
it ends at (x, y) = (−45, 0) Mm due to its symmetry) and plot it
in Fig. 1 (c). In that panel, we compare the trace of this field line
at t = 100.2 min (blue dashed line) and at t = 214.7 min (red
solid line). Clearly, we can see that during the extended relax-
ation stage (without localized heating, Hloc), this field line can
stay at the same position for more than 100 min.

Then we start to impose the localized heating term Hloc. The
localized heating term is a 2D version of Eq. 2 together with a
modulating ramp function, Rramp, so that the localized heating
can increase smoothly from zero after trelax:

Hloc (x, y, t) = H1Rramp (t) Hx (x) Hy (y) , (11)

Hx (x) = exp
(
−

(x − xr)2

σ2

)
+ exp

(
−

(x − xl)2

σ2

)
, (12)

Hy (y) = exp
− (y − y1)2

λ2
1

 . (13)

Here, H1 = 2 × 10−2 erg cm−3 s−1, y1 = 4 Mm and
λ1 = 3.16 Mm. In the x−direction, we use the parameters
xl = −41.5 Mm, xr = 41.5 Mm, and σ = 5.48 Mm to ensure
that the heating is concentrated at footpoints. We simply take a
periodic sine function for the ramp function Rramp:

Rramp = max (sin (2π (t − trelax) /P) , 0) . (14)

The period P is taken as 20 min, a typical value listed in Table 1
and also a typical value from the our previous simulation work
on vertical oscillations (Zhou et al. 2018). Then the first heating
pulse will end in 10 min.

After the first 10 min, when t = 224.7 min, as shown in Fig. 1
(d), we can see that the field line we showed earlier gets stretched
significantly (black dashed line), compared to its shape from 10
min before (red solid line). Quantitatively, the apex of the loop
rises from 3.15 Mm to 3.64 Mm, with an increment of 16%. The
inferred velocity of such a rise during these 10 minutes is on
average 8.2 km s−1.

In previous works, such a vertical stretching of the magnetic
field line is usually considered to be associated with eruptive
events, typically erupting solar filaments and/or magnetic flux
ropes (see, for example, Chen et al. 2002; Amari et al. 2014;
Jiang et al. 2021), in which plenty of energy is released. How-
ever, in our numerical experiment shown above, even a small
portion of gradual energy injection into the system can lead to a
significant stretching. We will look into the details of the physics
here in Sect. 4.

Our 2D MHD simulation shows that this kind of evaporation-
induced field line stretching, where the increased thermal pres-
sure gives rise to an overall inflated magnetic topology, should
be ubiquitous on the Sun. With such a natural multi-dimensional
mechanism, we can now propose an alternative explanation for
the winking filament phenomenon, that would be entirely driven
by the popular evaporation-condensation scenario for promi-
nence formation.

3. Winking filament

In Sect. 2, we have shown that the magnetic field lines in
an arcade setup would be stretched during an evaporation-
-condensation process. However, we cannot actually see the con-
figuration of magnetic field lines in observations. Luckily, there

are at least two ways of how to “see” this stretching indirectly
by observing the motion of a filament in the arcade that is sup-
ported by the field line or by observing a possible wave generated
by this stretching. We go on to demonstrate that this can indeed
induce the vertical oscillation of the filament, thereby leading to
the winking filament.

As we did not yet have a filament in our setup at t =
224.7 min, we continue our simulation from the point where
we stopped in Sect. 2. We still adopt the periodic heating from
Eq. 11 with the period of P = 20 min. As shown in Johnston et al.
(2019), adopting different periods and durations of the added im-
pulsive heating will lead to different scenarios involving thermal
non-equilibrium evolutions and/or condensations driven by ther-
mal instabilities. For the typical period range listed in Table 1,
this influence should be minor and we expect to be able to form
a large-scale prominence.

Considering the condensation-evaporation mechanism, it is
expected to cause a condensation, when localized heating is
added for a limited period of time. This first condensation grows
larger and gradually forms a filament . Figure 2 (a-c) shows the
temperature evolution during the filament formation process in
our simulation. In panel a, at t = 224.7 min, the average coronal
temperature inside the black rectangle (−5 Mm < x < 5 Mm and
5 Mm < y < 35 Mm) reaches a maximum value of 2.23 MK,
increased from the temperature of 1.55 MK before we imposed
the localized heating. After that, the temperature (inside the cho-
sen rectangle) starts to drop gradually. At around t = 430.8 min,
catastrophic cooling due to thermal instability happens so that
a clear condensation starts to appear in the simulation domain
(panel b). Here, we define a condensation as cool material or
filament as plasma below 14000 K, because the values of the
ionization degree listed in Table 1 in Heinzel et al. (2015) were
calculated for temperatures from 6000 K to 14000 K. Then, the
area and mass of the cool filament increase gradually. Panel c
shows the temperature distribution at t = 480.9 min, when we
can clearly see a vertical sheet-like filament that formed. From
the attached animation, we can already clearly see the oscillation
in the vertical direction. At the same time, we can also see a pe-
riodic shrinking and expansion of the filament in the horizontal
direction.

Fig. 2 (d) gives the distribution of the ionization fraction
for the time as is for panel c. Because the ionization fraction
in Heinzel et al. (2015) only ranges from 0.17 to 0.94, we call
here the plasma fully ionized when its ionization degree is near
0.94, instead of 1. Most of the hydrogen within the condensation
region is only partially ionized, as expected. We can also see that
most of the region within the outmost heated arcade is not fully
ionized, though the temperature there is typically above 105 K.

To make a direct comparisons with observations, we have
made synthetic images in He ii 304 Å and Hα, which are shown
in Fig. 2 (e and f). It is noted that neither of these two lines is
usually considered optically thin. However, for the typical en-
vironment of a quiet corona and filament, the optically thin as-
sumption still works well in practice for He ii 304 Å. This is
shown in, for example, Chen et al. (2015) and Xia & Keppens
(2016). Thus, we can simply calculate the synthetic 304 Å radi-
ation using:

I304 (x, y) = G304 (T (x, y)) ne (x, y) nH (x, y) ∆z . (15)

The temperature-dependent response function G304(T ) is ob-
tained from the CHIANTI atomic database (Dere et al. 1997; Del
Zanna et al. 2021), where the lower temperature limit is 104 K.
Therefore, for regions cooler than 104 K in our simulations, we
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Fig. 1. Initial condition and magnetic stretching. (a) Temperature distribution and magnetic configuration after relaxation. (b) Temperature and
number density distributions along x = 40 Mm, as indicated by the dashed line in panel a. (c) Selected magnetic field line at t = 100.2 min and
after relaxation. (d) Selected magnetic field line before and after we impose the localized heating.

used the fixed value G304(T = 104 K) as an approximation. In ad-
dition, a thickness of ∆z = 10 Mm is assumed along the LOS di-
rection. From Fig. 2(e), we can see that the heated arcade section
is slightly brighter than the background, while the prominence–
corona transition region (PCTR) that envelopes the filament is
the brightest part in the corona. We note that in this 2D sim-
ulation, we cannot see the whole PCTR covering the filament,
especially the part in the LOS (z) direction. That explains why
the filament appears as an artificially dark structure. In fact, in a
three-dimensional (3D) simulation, where we can see the whole
PCTR, the filament would be a bright structure, as seen in obser-
vations.

The Hα image in Fig. 2(f) is synthesised using the approxi-
mate method in Heinzel et al. (2015), which is found to be a good
approximation compared to a one-dimensional (1D) full radia-
tive transfer approach (Jenkins et al. 2023). This method works
well only for the filament in the corona. Thus, synthesised radi-

ation in the lower region, where y < 5 Mm, may deviate from
actual values. Again, a thickness of ∆z = 10 Mm in the third
direction is assumed. In this panel, we can clearly see a vertical
sheet-like bright structure, representing the bright prominence.

In order to study the formation process in detail and to better
show the oscillations, we picked out a particular region, namely,
the region within the black rectangle in Fig. 2 (a) and we stud-
ied the property changes inside it. Figure 3 (b-d) shows the time
evolution of the average thermal pressure, p, the average num-
ber density of hydrogen, nH, and the average temperature, T,
over this region, together with the time evolution of Rramp, as
described in Eq. 14 shown in panel a. Dashed lines in these
panels show the starting point of the localized heating and the
starting point of the condensation, namely, t = 214.7 min and
t = 430.8 min, respectively.

With the evaporation proceeding, the density in the corona
increases gradually. For the temperature and thermal pressure,
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Fig. 2. Formation of the filament. (a)-(c) Temperature distributions during the formation of the filament at the times t = 224.7 min, t = 430.8 min
and t = 480.9 min. An animation showing their evolution is available as online supplement of the paper. (d) Ionization fraction distribution at
t = 480.9 min. (e) AIA 304 Å synthetic image at t = 480.9 min. (f) Approximate Hα synthetic image at t = 480.9 min. The units of the last two
panels are arbitrary. See text for details.

these will first increase due to the evaporation, but then decrease
due to the strong radiative cooling. Ten periodic oscillations of
various amplitudes could be found in Fig. 3 (b-d), between the
two dashed lines, corresponding to the parametrically imposed
heating periods in panel a.

After condensation occurs, the number density increases in
steps, with no clear period to be found (see Fig. 3, panel c).
Meanwhile, the time evolution of thermal pressure and temper-
ature (panels b and d) still show clear periods, but they are de-
creasing overall. The thermal pressure will drop to even lower
than the value before we impose the localized heating. These re-
sults are similar to our previous 1D or 2D simulations (Xia et al.
2011; Keppens & Xia 2014).

According to the magnetic stretching mechanism mentioned
in Sect. 2, this kind of periodic heating will cause a correspond-
ingly periodic shrinking and expansion of the magnetic field

lines. Thus, based on the MHD frozen-in theory, the coronal
plasma as well as the filament will move together with the field
line. Then, we would expect to detect the filament oscillation in
the vertical direction, with the same period of the periodic im-
pulsive heating.

To show the oscillation more clearly, we first pick out the
selected field line again (as described in Sect. 2). The time evo-
lution of the y−position of the apex of the selected field line,
namely, ypk (t), is shown in Fig. 3 (e). Panel f shows the cor-
responding velocity vpk (t) in the y-direction at this point. The
oscillation of the field line is slightly different from the physi-
cal parameters in panels (b-d). Its oscillation period seems to be
only half of the given P. And every two periods are composed of
a larger peak and a smaller one. The oscillation of the selected
field line has a typical amplitude of about 5 Mm and a velocity
amplitude of about 20 km s−1. And since the plasma around this
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Fig. 3. Time evolution of (a) Rramp, (b) average pressure, (c) average number density, (d) average temperature in the rectangle domain shown in
Fig. 2 (a). (e)–(f) Time evolution of the y-position and vertical velocity of the apex of the selected magnetic field line. (g)–(h) Time evolution of
the y-position and vertical velocity of the mass center of the selected rectangle domain. Dashed lines show the starting time of localized heating
(red) and starting time of condensation (blue).
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field line does not experience condensation, the oscillation pat-
tern does not change significantly after condensation occurs on
the inner field lines.

The oscillation of the filament is described by the y-position
of the mass center ymc (t) of the rectangle region (see Fig. 2,
panel a) as well as its corresponding density-weighted average
velocity vmc (t) in the y-direction. Their time evolution could be
found in Fig. 3 (g and h), respectively. Similarly to the oscilla-
tion of the selected field line, the oscillation of the filament also
has a period of only 1/2 P. It can be seen (especially from the
ymc curve) that the oscillation becomes stronger after condensa-
tion occurs. The amplitude of vmc also increases slightly, with a
typical value slightly higher than 10 km s−1.

To demonstrate the oscillation of the filament more clearly,
we took a vertical slice along x = 0, and made a time-distance
plot in Fig. 4. The evolution of the number density of the fila-
ment, synthesised 304 Å radiation and Hα radiation along this
slice are shown in panels a-c, respectively. From these panels, we
can clearly see the oscillation during the formation and growth
of the filament. In the number density panel, we also drew the
y−position of the mass center using dashed lines. In this way, we
can clearly see that the period of the oscillation is not P, but ap-
proximately 1/2 P. A similar dashed line, which is weighted by
the Hα radiation, is shown in panel c, displaying a similar oscil-
lation. In the case of the 304 Å panel, the bright PCTR structure
shows the oscillation with period of approximately 1/2 P, simi-
larly to the density and Hα plots.

We refer to the filament oscillating in the vertical direction
as “winking” because it will appear and disappear periodically
in the Hα line center and wings (especially). To confirm this,
in addition to the oscillation in the prominence view (face-on
view), we must check the filament view (top-down view). The
synthetic Hα radiation in the filament view is also calculated
following the method in Heinzel et al. (2015), for both Hα line
center and wings at wavelengths ±0.8 Å. Observations of promi-
nences and filaments by Eto et al. (2002) and Okamoto et al.
(2004) were also made in these wavelengths. However, in that
view, the chromosphere (the region below y = 2.5 Mm) is not
included in this upward integration since the emission from the
lower atmosphere is treated as background emission. Our simu-
lation is a 2D simulation, and when observed from the top, the
data cube will collapse into an integrated emission sheet. We
show the time evolution of this Hα sheet in Fig. 5 (a).

Before condensation occurs, nothing special could be ob-
served. After the condensation, we can see a "black cloud" ap-
pear in the figure. The area of the Hα filament changes peri-
odically, becoming sometimes small and faint while sometimes
large and clear. The maximum area is typically 3-4 times bigger
than the minimum area. Typically, in this case, the filament al-
ways exists in the Hα band. In some of our tests (see Sect. 4),
it will be very faint and nearly invisible. In observations, both
situations could occur (see also the references listed in Table 1).

Synthetic filament views observed in the red and blue wings
are presented in Fig. 5 (b and c), respectively. Similarly to the
previous oscillation patterns, the period here is typically 1/2 P.
It is clear in these two panels that the filament is visible in the red
wing and blue wing alternately, which is consistent with the ob-
servations. Thus, the simulated filament can be called a winking
filament.

4. Discussion and conclusion

4.1. Details of the magnetic stretching

In this part of the discussion, we look to find an answer to the
question of why magnetic field lines become stretched during the
evaporation. The physical scenario should be as follows. When
the lower atmosphere is heated by the localized heating, the local
pressure will increase so that it can produce a pressure gradient,
by which plasma will be pushed to move upward, generating up-
ward flow. This is the so-called evaporation. This pressure gradi-
ent is typically directed vertically upwards (i.e., along the posi-
tive y−direction). However, the magnetic field lines are inclined,
having an angle (x−varying) with the vertical y−direction. Ac-
cording to the MHD frozen-in theorem, the upward moving
plasma will rise together with the magnetic field lines, dragging
it into a more stretched state. We can illustrate the analogy with
an inflated balloon: as pressure rises below, the line-tied mag-
netic field lines stretch outwards. We go on to analyze this in
detail for a simple, but representative, ramped-up heating phase.

Therefore, instead of the periodic Rramp as used in the pre-
vious sections, here we use a linear Rramp function instead,
whereby:

Rramp (t) =

{
4 (t − trelax) /P if trelax < t < trelax + P/4,

1 if t ≥ trelax + P/4 . (16)

This new Rramp(t) function is shown in Fig. 6 (a), and grows
from 0 to 1 linearly in 5 min, that is, during t = 214.7 min and
t = 219.7 min. We again selected the field line starting from
(x, y) = (45, 0) Mm and analyzed the forces at a particular height
on this line, for instance, at y = 4 Mm on the right side. Dur-
ing the simulation, the magnetic field line deforms and stretches,
so that its position moves in the horizontal direction. Therefore,
it cannot always be the "same" point. Considering that the de-
formation of the field line at the lower atmosphere is minor, we
treated the selected point as the same point approximately, as
indicated by the blue circle in Fig. 1 (d).

In the second row, we show the time evolution of the incli-
nation of the magnetic field line at this point in the two steady
heating phases, namely, before (during relaxation) and after the
ramping up of the localized heating. In panel b, before we in-
troduce the localized heating, namely, prior to t = 214.7 min,∣∣∣By/Bx

∣∣∣, which indicates the inclination of the magnetic field line
at the selected point, is typically 2.4. This increases a little bit
after the heating is fully on (panel c), which means that the mag-
netic field line becomes more vertical. Hence, it gets stretched in
the y−direction. In panel d the y−component of pressure gradi-
ent, namely, − (∇p)y, is typically −3×10−10 in cgs units at the end
of the relaxation phase, but increases to about 5×10−10 (panel e),
showing a significant increase. Although it is not shown here, the
x−component of the pressure gradient shows the same tendency.
That means during the relaxation phase, the pressure gradient
is slightly inwards (negative − (∇p)x,y values) for the selected
loop, but its direction turns outward in the evaporation phase.
Correspondingly, the Lorentz force J × B changes in the oppo-
site direction to ensure net overall force balance, from slightly
directing outward to pointing inward (panels f and g). Mean-
while, the evolution of the gravity force (ρg)y shows a similar
response to the localized heating as the Lorentz force (panels h
and i). This means that before the localized heating is imposed,
the gravity together with the gas pressure gradient exerts a force
to collapse the loop. Meanwhile, the Lorentz force plays a sup-
porting role. In panel j, we can clearly see that the total force

Article number, page 8 of 14



Yuhao Zhou et al.: Winking filaments

Fig. 4. Time-distance plots along the y−axis for (a) number density, (b) 304 Å synthetic radiation, and (c) Hα synthetic radiation. Dashed lines in
panels a and c trace the density-weighted and radiation-weighted center position, respectively, after the condensation.

Fig. 5. Time evolution of the synthetic (a) Hα line center (b) Hα red wing (c) Hα blue wing radiation from the filament view (top-down view).
Vertical dashed lines are drawn to help to see the periods.

Ftot (in the y−direction) is nearly balanced during the relaxation.
Then, after the extra localized heating is on, the gas pressure
gradient pushes the plasma moving upward, trying to expand the
loop, while the Lorentz force will suppress such a motion, and
changes its direction to act downwards. Such a clear change in
the interaction of all forces eventually causes the change in the
shape (i.e., the local direction) of the magnetic field. We note
that the evolution of the total force (panel k) is very close to the
evolution of pressure gradient (panel e), indicating the most im-
portant role played by the pressure gradient here.

4.2. Parameter survey

Since the stretching of the magnetic field line is triggered by the
evaporation flow caused by the upward pressure gradient, plasma
βwill definitely be important in this physical process. To see how
different plasma βs would influence the result of our simulation,
we can choose to use different magnetic field strength, namely,
B0, or alternatively, to put the localized heating at different po-
sitions. These two methods are not totally equivalent, but both
of them should work. Here, for convenience, we chose to put
the localized heating at different positions, to simulate heating at
different heights. For all these different runs, we simply compare
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Fig. 6. Time evolution of Rramp shown in panel a. Time evolution of (b)
∣∣∣By/Bx

∣∣∣, (d) gas pressure gradient in the y−direction, (f) Lorentz force in
the y−direction, (h) gravity force, (j) total force in the y−direction before the localized heating is imposed are shown on the left column. Panels in
the right column show the time evolution of these parameters after the localized heating is on, correspondingly.
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the heights of the apex of the selected field line. The results are
shown in Table 2.

The localized heating typically takes place at the chromo-
sphere and TR. Thus, we chose for y1 in Eq. 12 to change from
2 Mm to 6 Mm, while the x−position (e.g., xr) is changed cor-
respondingly along the field line (xl = −xr). The correspond-
ing plasma β at (xr, y1) ranges from 0.1188 to 0.1581, thus, it
changes only slightly. However, we can see that in different runs,
the vertical velocity vy at y = 10 Mm (on the same field line con-
necting (xr, y1)) increases from 37.6 km s−1to 69.11 km s−1. In
addition, the apex of the selected field line ypk(t = 243.3 min)
also rises significantly. This means that when the same magni-
tude of localized heating is acting at a lower position in the atmo-
sphere, the stretching effect becomes progressively minor. When
it takes place in the higher chromosphere or TR, the stretching
can work very effectively.

Besides plasma β, another important ingredient of this mech-
anism is the strength of the heating, H1. It represents the en-
ergy release rate throughout the lower atmosphere. The results
of different runs with different H1 are listed in Table 3, similar
with the values used in previous works (Xia et al. 2011; Pelouze
et al. 2022). For localized heating injected into the system at the
same location, stronger heating will generate higher upflow ve-
locity and the magnetic field lines will get more stretched. How-
ever, while stronger heating will induce a more effective mag-
netic stretching, it will prohibit condensation from occurring, as
demonstrated by Xia et al. (2011).

Notice should be taken that, the test runs here quantify the
oscillation of field lines before the formation of filaments. There-
fore, these runs cannot yet be compared directly to the observa-
tions, but if we were to continue these runs using similar periodic
cycling, the same winking effects on the filaments (once formed)
can be expected.

In this work, we focus on the evaporation-condensation
mechanism. A similar mechanism for filament formation is the
injection model, in which thermal instability is not necessary,
and energetic events in the lower atmosphere will push directly
the cool material into the solar corona. From the “unified model”
for prominence formation (Huang et al. 2021), the difference
between the evaporation-condensation model and the injection
model should typically be achieved by varying the values of y1
and H1 here. The injection model usually adopts a lower y1 and
stronger H1. Thus, in principle, the injection model could also
produce such kind of vertical oscillations.

4.3. Driven period

The period of the impulsive heating P is chosen to be 20 min
in this work. However, the period of the winking filament seems
to be approximately only half of this value – and this is not a
surprise. We should distinguish three types of periods, or fre-
quencies here: the frequency of the impulsive heating or driven
force, ωdirv, the frequency, ωwink, of the observed oscillation of
the winking filament, and the eigenfrequency, ω0, of the mag-
netic loop. In the research of coronal seismology, especially the
kink mode, ωdirv is usually equal to ω0 (see recent reviews in
e.g., Van Doorsselaere et al. 2020; Nakariakov et al. 2021). This
is because the loop system will naturally select out a narrow band
frequency close to the eigenfrequency, so that the kink mode can
work efficiently.

However, in our simulation, the frequency of the additional
heating ωdirv is more likely to be inconsistent with ω0. A simi-
lar study was recently carried out by Ni et al. (2022) where the

authors use periodic jets to drive the oscillation of filaments. In
a more general sense, this scenario is similar to the forced oscil-
lators in the classic mechanics, where the solution usually takes
the following form:

s(t) =
f

ω2
0 − ωdirv

2
(cosωdirvt − cosω0t) ,

=
2 f

ω2
0 − ωdirv

2
sin

(ω0 − ωdirv) t
2

sin
(ω0 + ωdirv) t

2
,

(17)

where s(t) is the displacement of the oscillator and f is the
driven force per mass. According to Eq. 17, the observed fre-
quencyωwink is composed of two frequencies: (ω0 − ωdirv)/2 and
(ω0 + ωdirv)/2. We note that the amplitude of the oscillation is
inversely proportional to

(
ω2

0 − ωdirv
2
)
. Therefore, ωdirv cannot

deviate from ω0 too much. With this assumption, then, consid-
ering that we would usually recognize the higher frequency in
observations, we have:

ωwink = (ω0 + ωdirv) /2 . (18)

We can take ω0 = 2π/P0 = vAπ/L, which is usually used in
the study of coronal seismology (Roberts et al. 1984), as an ap-
proximation. Then, P0 is the corresponding eigenperiod, vA is
the Alfvén speed, and L is the length of the loop. In our simula-
tions, ωdirv is fixed while ω0 could be different from field line to
field line and from time to time. However, before the formation
of filament (i.e., between t = 224.7 min and t = 430.8 min), the
eigenperiod P0 within the region where our filament later forms
is typically around 450 s and gradually drops to around 330 s
after condensation. Using Eq. 17, we then get the observed pe-
riod Pwink of the winking from the range 542 s to 655 s, which
is approximately 10 min or 1/2 P. This value is similar to our
results.

Therefore, it is also not necessary to have the period of
the impulsive heating of exactly 20 min, and even the impul-
sive heating does not necessarily need to be periodic. A quasi-
periodic heating should be enough to get the winking phe-
nomenon.

4.4. Conclusion

Within the one-fluid ideal MHD description, magnetic field lines
move together with the plasma. Small energy events in the lower
atmosphere can produce localized heating that increases the lo-
cal pressure gradient, causing the evaporation of the plasma.
Since the magnetic field is coupled with the plasma, the plasma
can move freely along the field line, and at the same time, the
field line will be dragged by any upward moving plasma. We
have shown that at least a 2D (but completely analogous in 3D)
model is required to show that line-tied stretching of field line
is inevitable whenever a localized heating turns on, beyond the
background coronal heating. This process has been overlooked
by all restricted 1D models, which reduce coronal dynamics and
prominence formation scenarios in strong field settings to 1D
hydrodynamic along a fixed, prechosen field line shape.

In this work, we demonstrate that the evaporation-
-condensation scenario of prominence formation, during which
a small portion of energy is injected into the low atmosphere,
can produce oscillations of the filament in the vertical direc-
tion. When the heating source then acts (quasi-) periodically, the
winking filament phenomenon can be observed. However, this
also depends on the position and strength of the heating source.
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Table 2. Heating at different positions.

run xr
(Mm)

y1
(Mm) plasma β

vy(y = 10 Mm)
(km s−1)

ypk(t=214.7 min)
(Mm)

ypk(t=243.3 min)
(Mm)

A1 42.54 2.0 0.1188 37.60 31.48 34.80
A2 42.29 2.5 0.1359 40.48 31.48 35.91
A3 42.04 3.0 0.1399 42.49 31.48 37.20
A4 41.78 3.5 0.1422 50.41 31.48 38.60
A5 41.50 4.0 0.1451 58.43 31.48 40.06
A6 41.23 4.5 0.1482 60.05 31.48 41.55
A7 40.94 5.0 0.1514 66.31 31.48 43.04
A8 40.65 5.5 0.1547 66.88 31.48 44.62
A9 40.35 6.0 0.1581 69.11 31.48 46.16

Table 3. Different heating strengths.

run
H1

(erg s−1 cm−3)
vy(y = 10 Mm)

(km s−1)
ypk(t=214.7 min)

(Mm)
ypk(t=243.3 min)

(Mm)
B1 0.0013 6.31 31.48 32.10
B2 0.0025 9.75 31.48 32.67
B3 0.0050 16.80 31.48 33.68
B4 0.0100 29.06 31.48 35.74
B5 0.0200 58.43 31.48 40.06
B6 0.0400 75.35 31.48 47.35
B7 0.0800 107.80 31.48 55.56
B8 0.1600 126.05 31.48 61.58
B9 0.3200 104.53 31.48 68.18

In our simulation, we found that the periods of impulsive
heating and the oscillations of the filament are equal to each
other, and period of the oscillations is typically reduced by a
factor of two. This must relate to the eigenfrequency of the per-
turbed loop being different from the frequency of the impulsive
heating. The interplay and beating of two frequencies result in
the altered period of oscillations that we see in our simulations.

In previous observations, a winking filament is usually in-
terpreted as being caused by waves or energetic events. Here,
we demonstrate through numerical simulations that winking fil-
aments may also be observed due to the evaporation during the
formation phase of filaments. As far as we know, this has not yet
been reported in observations, but we expect that future observa-
tions will be able to fully confirm this scenario.
Acknowledgements. We thank A. Hillier, S. Gunár, M. Guo for valuable sug-
gestions. We thank the referee for detailed suggestions on writing standard. YZ
acknowledges funding from Research Foundation – Flanders FWO under the
project number 1256423N. XL and RK acknowledge the European Research
Council (ERC) under the European Unions Horizon 2020 research and inno-
vation program (grant agreement No. 833251 PROMINENT ERC-ADG 2018).
JH acknowledges funding from NSFC under grant 11903020. RK acknowledges
support by Internal funds KU Leuven, project C14/19/089 TRACESpace and
FWO project G0B4521N. Visualisations used the open source software Python.
Resources and services used in this work were provided by the VSC (Flemish
Supercomputer Center), funded by the Research Foundation - Flanders (FWO)
and the Flemish Government.

References
Amari, T., Canou, A., & Aly, J.-J. 2014, Nature, 514, 465
An, C.-H., Bao, J. J., & Wu, S. T. 1988, Sol. Phys., 115, 81
Antiochos, S. K., MacNeice, P. J., & Spicer, D. S. 2000, ApJ, 536, 494
Antiochos, S. K., MacNeice, P. J., Spicer, D. S., & Klimchuk, J. A. 1999, ApJ,

512, 985
Arregui, I., Oliver, R., & Ballester, J. L. 2018, Living Reviews in Solar Physics,

15, 3
Asai, A., Ishii, T. T., Isobe, H., et al. 2012, ApJ, 745, L18
Aschwanden, M. J. 2001, ApJ, 560, 1035

Ballester, J. L. 2005, Space Sci. Rev., 121, 105
Berger, T., Hillier, A., & Liu, W. 2017, ApJ, 850, 60
Berger, T., Testa, P., Hillier, A., et al. 2011, Nature, 472, 197
Berger, T. E., Slater, G., Hurlburt, N., et al. 2010, ApJ, 716, 1288
Berghmans, D., Auchère, F., Long, D. M., et al. 2021, A&A, 656, L4
Brughmans, N., Jenkins, J. M., & Keppens, R. 2022, A&A, 668, A47
Carlsson, M. & Leenaarts, J. 2012, A&A, 539, A39
Chae, J. 2003, ApJ, 584, 1084
Chen, F., Peter, H., Bingert, S., & Cheung, M. C. M. 2015, Nature Physics, 11,

492
Chen, P. F., Wu, S. T., Shibata, K., & Fang, C. 2002, ApJ, 572, L99
Chen, P.-F., Xu, A.-A., & Ding, M.-D. 2020, Research in Astronomy and Astro-

physics, 20, 166
Colgan, J., Abdallah, J., J., Sherrill, M. E., et al. 2008, ApJ, 689, 585
Dalgarno, A. & McCray, R. A. 1972, ARA&A, 10, 375
De Groof, A. & Goossens, M. 2002, A&A, 386, 691
Del Zanna, G., Dere, K. P., Young, P. R., & Landi, E. 2021, ApJ, 909, 38
Dere, K. P., Landi, E., Mason, H. E., Monsignori Fossi, B. C., & Young, P. R.

1997, A&AS, 125, 149
Dyson, F. 1930, MN, 91, 239
Eto, S., Isobe, H., Narukage, N., et al. 2002, PASJ, 54, 481
Fan, Y. 2018, ApJ, 862, 54
Gilbert, H. R., Daou, A. G., Young, D., Tripathi, D., & Alexander, D. 2008, ApJ,

685, 629
Grechnev, V. V., Uralov, A. M., Chertok, I. M., et al. 2014, Sol. Phys., 289, 1279
Heinzel, P., Gunár, S., & Anzer, U. 2015, A&A, 579, A16
Hong, J., Carlsson, M., & Ding, M. D. 2022, A&A, 661, A77
Howson, T. A., De Moortel, I., Antolin, P., Van Doorsselaere, T., & Wright, A. N.

2019, A&A, 631, A105
Huang, C. J., Guo, J. H., Ni, Y. W., Xu, A. A., & Chen, P. F. 2021, ApJ, 913, L8
Hyder, C. L. 1966, ZAp, 63, 78
Isobe, H. & Tripathi, D. 2006, A&A, 449, L17
Jackiewicz, J. & Balasubramaniam, K. S. 2013, ApJ, 765, 15
Jenkins, J. M. & Keppens, R. 2022, Nature Astronomy, 6, 942
Jenkins, J. M., Osborne, C. M. J., & Keppens, R. 2023, A&A, 670, A179
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Appendix A: Ionization Degree in MPI-AMRVAC
code

In the original MPI-AMRVAC 2.2 code (Xia et al. 2018), the
atmosphere is assumed to be fully ionized. To treat the Hα emis-
sion in a more self-consistent way, we include ionization degree
(of hydrogen) in our simulation. Since the method is not de-
scribed either in our previous work (Zhou et al. 2020) or the
MPI-AMRVAC paper (Xia et al. 2018), we give the details in
this Appendix.

In the MPI-AMRVAC code, conservative variables, for in-
stance, density ρ, momentum ρv, energy (volume) density e and
magnetic induction B, are solved. The quantity e is expressed as:
e = eint + ρv2/2 + B2/2µ0. It is composed of internal energy eint,
kinetic energy ρv2/2, and magnetic energy B2/2.

When ionization is considered, we have the ionization frac-
tion of i = ne/nH, where nH = ρ/mH is the total number density
of hydrogen, mH is the mass of a hydrogen atom, and ne is the
number density of electron or ionized hydrogen. The ionization
fraction i is a function of vertical altitude y, thermal pressure p
and temperature T ; for instance, we have i = i (y, p,T ), as tabu-
lated in Heinzel et al. (2015).

Then, the internal energy eint and gas pressure p could be
written as

eint =
p

γ − 1
+ inHχ, (A.1)

p = (ne + nH) kBT = (1 + i) nHkBT, (A.2)

respectively. γ = 5/3 is the adiabatic index, kB is the Boltzmann
constant and χ = 13.6 eV is the ionization energy of hydrogen.

In the future 3.1 version of MPI-AMRVAC, the ionization
degree, i, is will be function of temperature only. Such i(T ) func-
tion has been tabulated, for instance, in Carlsson & Leenaarts
(2012) and Hong et al. (2022). Then, we can rewrite Eq. A.1 and
Eq. A.2 as:

eint

nH
=

(1 + i)kBT
γ − 1

+ iχ. (A.3)

Considering that i (T ) is monotonically increasing with T , the
right-hand side of Eq. A.3 is monotonic. Therefore, T as well as
i could be determined from eint/nH, according to the dependence
of i (T ). Therefore, after the update of e and ρ in the code, the
variables T and i are then determined from eint/nH.

However, in the current work, i is not a single function of
T , but instead it is dependent on y, p, and T . We cannot use the
same simple way to calculate i and T from eint and nH. For con-
venience, approximately, we can drop the ionization energy term
neχ on the right hand side of Eq. A.1. This approximation will
overestimate the temperature a little bit especially when temper-
ature is low, but still acceptable. Then, at a certain grid point,
with known p and y, the ionization fraction, i, is again a single
function of temperature, T . In this way, again, i and T could be
obtained from nH and eint simultaneously.

Since the table given in Heinzel et al. (2015) is sparse, with
only 3-6 points on y, p, and T , we used linear interpolation in
between in our code. For values beyond the table, we simply use
the nearest value. For example, the altitude y is from 10 Mm to
30 Mm in the table. Thus, for the region above 30 Mm, we used
the value i(y = 30 Mm, p,T ) directly, instead of extrapolating on
the basis of the table. As a result, the ionization fraction i has a
range from 0.17 to 0.94 in our simulation, instead of 0 to 1.
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ABSTRACT

In this work we present, for the first time, infrared spectra of Titan from the Spitzer Space Telescope

(2004 − 2009). The data are from both the short wavelength-low resolution (SL, 5.13 − 14.29 µm, R ∼
60 − 127) and short wavelength-high resolution channels (SH, 9.89 − 19.51 µm, R ∼ 600) showing the

emissions of CH4, C2H2, C2H4, C2H6, C3H4, C3H6, C3H8, C4H2, HCN, HC3N, and CO2. We compare

the results obtained for Titan from Spitzer to those of the Cassini Composite Infrared Spectrometer

(CIRS) for the same time period, focusing on the 16.35 − 19.35 µm wavelength range observed by

the SH channel but impacted by higher noise levels in CIRS observations. We use the SH data

to provide estimated haze extinction cross-sections for the 16.67 − 17.54 µm range that are missing

in previous studies. We conclude by identifying spectral features in the 16.35 − 19.35 µm wavelength

range, including two prominent emission features at 16.39 and 17.35 µm, that could be analyzed further

through upcoming James Webb Space Telescope Cycle 1 observations with the Mid-Infrared Instrument

(5.0−28.3 µm, R ∼ 1500−3500). We also highlight gaps in current spectroscopic knowledge of molecular

bands, including candidate trace species such as C60 and detected trace species such as C3H6, that

could be addressed by theoretical and laboratory study.

1. INTRODUCTION

Saturn’s moon Titan exhibits the most complex and diverse atmospheric chemistry of any body in the solar system

besides Earth. The bulk atmospheric composition has been estimated at mole fractions of 1.5 − 5.5% methane (CH4)

and 98.5 − 94.5% nitrogen gas (N2) depending on altitude (Niemann et al. 2010). Photochemistry in the upper

atmosphere produces a rich array of hydrocarbons and nitriles via dissociation of methane and nitrogen gas (Lavvas

et al. 2008; Loison et al. 2015). Some oxygen compounds including carbon monoxide (CO), carbon dioxide (CO2),

and water vapor (H2O) are also produced due to an external oxygen source from Enceladus and contribute heavily to

various chemical processes in the atmosphere (Hörst et al. 2008; Dobrijevic et al. 2014; Teanby et al. 2018; Vuitton

et al. 2019).

In addition, Titan contains a complex organic haze with a vertical density profile and albedo wavelength dependence

that is still not well-constrained (Li et al. 2011; Li 2015; Creecy et al. 2019). The haze, primarily composed of organic-

rich solid particles, absorbs at visible wavelengths and is transparent at infrared (IR) wavelengths. This leads to an

anti-greenhouse effect in which solar radiation is absorbed in the upper atmosphere whereas thermal IR radiation from

the surface escapes easily, reducing the surface temperature by an estimated 9 K (McKay et al. 1991).
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Since the 1970s, IR spectroscopy has been a useful tool for probing the composition of the neutral atmosphere of

Titan. This has been conducted using ground-based telescopes, visiting spacecraft such as Voyager and Cassini, and

space-based observatories including theInfrared Space Observatories. Data from the Voyager 1 Infrared Interferfometer

Spectrometer and Radiometer (IRIS) provided moderate-resolution observations to identify previously-undiscovered

molecules, including diacetylene (C4H2), cyanoacetylene (HC3N), cyanogen [(CN)2], propane (C3H8), and propyne

(CH3CCH or C3H4, Kunde et al. 1981; Maguire et al. 1981). The Infrared Space Observatory (ISO) Short Wavelength

Spectrometer (SWS) offered a resolving power 5 − 20 times higher than IRIS and led to the discovery of water vapor

emission bands near 40 µm and benzene (C6H6) at 14.8 µm (Coustenis et al. 1998, 2003). Data from Cassini CIRS

were able to map the evolving spatial distribution of molecules as Titan progressed through half its year from 2004

through 2017. However, given that the spectral resolution was comparable to or lower than that of ISO, it did little to

provide detection of new molecular species, with propylene (C3H6) being the only new molecule discovered on Titan

with CIRS (Nixon et al. 2013). Propadiene (CH2CCH2), an isomer of propyne, has also recently been detected using

data from the ground-based TEXES instrument at the NASA Infrared Telescope Facility (Lombardo et al. 2019).

The Spitzer Space Telescope (Werner et al. 2004) was the third spacecraft dedicated to IR astronomy after the

Infrared Astronomical Satellite and ISO. Spitzer’s main telescope contained three instruments, the Infrared Array

Camera (IRAC, Fazio et al. 2004), Infrared Spectrograph (IRS, Houck et al. 2004), and Multiband Imaging Photometer

for Spitzer (Rieke et al. 2004, MIPS,). Spitzer IRS data has been used to measure the atmospheric compositions of

many other solar system bodies, including Uranus (Burgdorf et al. 2006; Orton et al. 2014a,b; Rowe-Gurney et al.

2021) and Neptune (Meadows et al. 2008). Although Spitzer performed multiple dedicated observations of Titan,

mostly for calibration purposes, none of the data have been modeled or published before.

IRS observations largely overlap with those of Cassini CIRS – both focused on a similar wavelength range and overlap

in seasonal coverage. While Cassini CIRS provided a vast amount of information on Titan’s atmosphere, Cassini CIRS

detector Focal Plane 1 (FP1) exhibited heightened noise levels at the short-wavelength edge of its range (∼ 17−20 µm,

Jennings et al. 2017). IRS SH observations cover a majority of this noisy region (17.00 − 19.51 µm) and can provide

new high spectral resolution coverage in addition to serving as a check on previous CIRS results.

The James Webb Space Telescope (JWST) Mid-Infrared Instrument (MIRI, Rieke et al. 2015) is scheduled to observe

Titan and is expected to make several improvements over IRS, including a threefold increase in resolving power in

the 17 − 20 µm range (R ∼ 1800 vs. R ∼ 600) and an over tenfold increase in spatial resolution (0.20′′ − 0.27′′ per

pixel vs. 2.3′′ per pixel), allowing for partial spatial resolution of Titan’s disk (diameter ∼ 0.84′′). Thus, studying the

17−19.51 µm range observed by Spitzer is important for identifying possible spectral features for follow up with MIRI

that may have been obstructed by noise in Cassini CIRS observations. Comparisons of the observational parameters

of the Spitzer IRS alongside those of previous IR space-based observations of Titan and JWST instruments are shown

in Table 1.

In this work, we summarize our data reduction process and spectral retrieval results using Spitzer IRS spectra of

Titan. Section 2 describes the observation data format along with the calibration and reduction processes. Section 3

describes the spectral fitting and retrieval process, with Section 4 discussing our retrieval results. Section 5 compares

our temperature retrievals with CIRS-based retrievals presented in Teanby et al. (2019) and introduces candidate

spectral features for follow-up observations with JWST. Section 6 contains our conclusions and recommendations for

future work on Titan.

2. OBSERVATIONS

Spitzer IRS observed Titan in three out of four of its available modules. This includes data from the short wavelength-

low resolution modules (SL, R = 60 ∼ 127, 5.13 − 14.29 µm), short wavelength-high resolution module (SH, R ≈
600, 9.89 − 19.51 µm), and long wavelength-high resolution modules (LH, R ≈ 600, 18.83 − 37.14 µm). Unlike SL and

SH data, flux values in LH exposures were largely inconsistent over separate observations and not used in this analysis

(see Appendix). The diffraction grating of each module splits them into smaller wavelength range ‘orders’. The SH

module contains 10 separate orders and the SL module contains 3 (SL1, SL2, and SL3). While SH order data are

taken simultaneously, SL data collection is split into two steps (see Section 2.2.1). Table 2 lists various observational

parameters for each module.
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Table 1: Observational parameters for select Titan mid-infrared spectroscopic observations from space

Instrument Exploitable Range (µm) Approximate Resolving Power Data Timespan (years)

Voyager 1 IRIS a 7.0 − 50.0 50 − 500 1980

ISO SWS Grating Mode a 7.0 − 45.0 1500 − 3000 1997

Spitzer IRS SL 7.0 − 11.7 60 − 127 2004 − 2006

Spitzer IRS SH 9.9 − 19.5 600 2004 − 2008

Cassini CIRS FP1 b 20.0 − 1000.0 20 − 1000 2004 − 2017

Cassini CIRS FP3 b 9.1 − 16.7 1200 − 2200 2004 − 2017

Cassini CIRS FP4 b 7.1 − 9.1 2200 − 2500 2004 − 2017

JWST NIRSpec c 0.6 − 5.3 2700 2022 −
JWST MIRI d 5.0 − 28.3 1500 − 3500 Scheduled (2023 −)

Note—“Exploitable Range” refers to the range of the data that showed a high enough signal-to-noise ratio suitable
for scientific analysis.

aCoustenis et al. (2003)

bNixon et al. (2019)

c Jakobsen et al. (2022)

dLabiano et al. (2021)

The ∼ 0.84′′ angular diameter disk of Titan was much smaller than the 1.8′′ and 2.3′′ per pixel scale of the SL and

SH modules respectively and was thus treated as an unresolved source with spectra being considered disk-averaged.

Data were taken in both the staring image mode and the mapping image mode (Section 2.1). A portion of the mapping

mode data taken by Spitzer were originally intended to be analyzed for the difference in spectral signatures of the

hemisphere containing the “continent” (i.e. Xanadu) seen in near-infrared Hubble images and the trailing hemisphere

(Houck & van Cleve 2004), but these plans never came to fruition. The remaining Titan data were taken to assist in

the calibration of the IRS SH module, and were not originally intended for scientific analysis.

2.1. Mapping Mode

The majority of the data used in our analysis were taken in an IRS imaging mode known as mapping mode. As

opposed to staring mode, the standard operating mode of the IRS that centers the object in the module’s slit, mapping

mode took exposures in a grid of map positions around a central object. Data taken over a full grid is referred to as a

single cycle. This imaging mode was helpful for extended sources that cover an area of the sky larger than the module’s

slit dimensions, but when viewed by IRS, Titan is essentially a point source, and thus mapping mode provided few

advantages over staring mode. Additionally, when utilizing mapping mode there is not necessarily a grid position

where the target is entirely centered on the slit. This means that Titan was not always centered, or even contained

within the slit boundaries, leading to a significant drop in brightness in many exposures. Modifications made to the

analysis of mapping mode data are discussed in Section 2.1.1.

Unlike stare data, map exposures use a single center position nod and not two separate 1st position and 2nd position

nods. This led to a slight modification in the sky subtraction step from the methodology presented in Rowe-Gurney

et al. (2021), outlined in Section 2.3.

Given that several observations could be grouped based on certain characteristics, we have split the observations

into three distinct datasets—Map Dataset 1, Map Dataset 2, and the Stare Dataset. Observations in Map Dataset 1

contain data from the SL1, SL2, and SH modules and were mapped using a grid of 2 parallel steps and 3 perpendicular

steps with a step size of 2.4′′ over 1 mapping cycle. Map Dataset 2 contains data from only the SH module and

observations were mapped using a grid of 5 parallel steps with a step size of 3.68′′ over 4 mapping cycles. Example

maps for both Map Datasets can be seen in Figure 1. The Stare Dataset contained standard stare exposures of SH
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Table 2: IRS Module Parameters

Module Name Wavelength Range (µm) Resolving Power Plate Scale (′′/pixel) Slit Dimensions (′′)

SL2 5.13 − 7.60 60 − 127 1.8 (∼ 3.6 − 3.7) × 57.0

SL3 7.33 − 8.66 61 − 120 1.8 (∼ 3.6 − 3.7) × 57.0

SL1 7.46 − 14.29 61 − 120 1.8 (∼ 3.6 − 3.7) × 57.0

SH 9.89 − 19.51 600 2.3 4.7 × 11.3

Note—Despite being reported as constant for the SH module, resolving power varies slightly with wavelength
(Orton et al. 2014a) and this is an approximate value.

over 4 cycles. Exposure time was constant for each dataset at 6 seconds per exposure for both SL and SH and each

module produces 128 × 128 pixel images.

While it spans a larger time-frame than Map Dataset 1, Map Dataset 2 was not used in this analysis as its average

flux standard deviation between exposures within the same observation session (7.8%) was significantly higher than

that of Map dataset 1 (3.1%) and the Stare dataset (2.0%). The combination of Map Dataset 1 (hereafter the Map

Dataset) and the Stare Dataset used in this investigation spans a wide time interval of March 4th, 2004 to April 20th,

2006. A full list of observation times and various observational parameters is in Table 3.

2.1.1. Filling Factor

Due to problems related to mapping mode, we only used exposures where Titan was completely contained within

the slit boundaries. This was done by approximating declination and right ascension as Cartesian x-y coordinates and

calculating the rectangular area encased by the slit boundaries using the specific slit’s (see Table 2) dimensions and

pointing angle. Titan was then approximated as a circle in the right ascension-declination plane, with Titan’s angular

diameter and sky coordinates (relative to Spitzer at the given observation time) retrieved from the Jet Propulsion

Laboratory’s Horizons online solar system data and ephemeris computation service (Giorgini et al. 1996). The full

atmosphere of Titan was accounted for by a 425 km (16.5%) increase in its reported diameter, in accordance with

the limb extension radius used in Teanby et al. (2013). We assumed that their limb extension radius, derived for

Herschel data taken over 32 − 51 cm−1 (196 − 312 µm), is roughly equal to the limb extension radius for our observed

wavelengths. A filling factor, the percentage of Titan enclosed within the approximated slit’s boundaries, was then

calculated for each exposure. Only exposures with a filling factor of 1 were considered in this work, which accounted

for a third of exposures for Map Dataset 1. Spectra from individual exposures of an observation were then averaged

to help remove noise.

Given that Titan is one of the brightest sources viewed by IRS, the SL1 data contained sections of the spectra

λ & 11.7 µm that exhibited signs of oversaturation that had not been automatically detected by the IRS Data Pipeline.

This was identified by eye through large mismatches with the SH data flux in the overlap (λ = 9.89−14.29 µm) region.

This region was not used for our spectral retrievals. The non-saturated regions of the SL images did not show signs of

significant stray light from the saturated regions.

2.2. Spectral Extraction

Spectral extraction was performed in accordance with Rowe-Gurney et al. (2021) with modifications due to the

change in observation target and imaging mode. Software used in the reduction process is available from the Spitzer

Science Center (SSC).

Data are available from the Spitzer Heritage Archive (SHA, IRSA 2022) in the form of FITS files of the 2D detector

images. We used the first level Basic Calibrated Data and cleaned them manually as opposed to using second level Post-

Basic Calibrated Data data that were automatically cleaned by the pipeline. SHA data contain masks of historically

https://ssd.jpl.nasa.gov/horizons/
https://irsa.ipac.caltech.edu/data/SPITZER/docs/dataanalysistools/
https://irsa.ipac.caltech.edu/data/SPITZER/docs/dataanalysistools/
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(b) SH module, 2005-11-19, Map Dataset 2

Figure 1: Example maps of the area captured by the SH module in (a) both parallel and perpendicular mapping

steps and (b) only parallel mapping steps in relation to Titan’s position observed by Spitzer (black circle). Different

colors represent different mapping steps for each session. Right ascension and declination are reported as the deviation

from Titan’s center. For Map Dataset 1, steps 2 and 5 had filling factors of 1. Titan was partially captured (filling

factor between 0 and 1) in steps 1, 3, 4, and 6. For map dataset 2, steps 2, 3, and 4 had filling factors of 1. Steps 1

and 5 had a filling factor of 0. For Map Dataset 1, SL observations followed the same mapping layout.

Table 3: Spitzer IRS Titan Observations

Date AORKEY Start End Time δTitan (′′) θsep (′′) # Filled Exposures Model Fit RMS Error (%)

Map Dataset (SL, SH)

2004-03-05 4537856 07:10 07:31 0.8303 191 2 SL & 2 SH 2.9 (SL), 6.8 (SH)

2004-03-25 4538368 15:37 15:57 0.7992 86 2 & 2 5.5 (SL), 6.4 (SH)

2005-11-15 4537600 03:16 03:26 0.7817 52 2 & 2 6.0 (SL), 7.0 (SH)

2006-04-20 4538112 19:48 19:59 0.8178 122 2 & 2 3.8 (SL), 6.8 (SH)

Stare Dataset (SH only)

2004-03-04 9108992 19:31 19:41 0.8311 185 8 5.3

2004-11-16 12606464 16:06 16:08 0.8200 191 8 5.6

2005-03-23 13360128 22:43 23:01 0.8311 193 8 5.0

2005-04-16 13530112 21:58 22:11 0.7956 192 8 4.9

Note—Times shown are in UTC. The angular diameter of Titan, δTitan, and angular separation of Titan and Saturn,
θsep, were calculated using the JPL Horizons online interface. Exposures from each observation date were averaged to
create one spectrum per observation.

dead and over saturated pixels. We used the SSC program irsclean’s built-in bad pixel detection method alongside

identifying remaining bad pixels by eye. Bad pixels were selected if they were dead or showed large changes in

brightness over multiple exposures. In cases with multiple exposures per location (Stare Dataset only), the provided

software coad was used to co-add the exposures. The SSC program SPitzer IRS Custom Extractor (SPICE) was run

with default settings to extract spectra from the cleaned and co-added detector images. The SSC program stinytim

v2.0 accounted for overfilling of the slit by Titan’s point-spread function (PSF) for 0.5 µm increments of wavelength.
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Unlike staring mode observations, SL1 and SL2 data were not taken simultaneously in mapping mode. However,

each mapped sky position included separate SL1 and SL2 exposures. These exposures were typically time separated

by 2-3 minutes. When the telescope is utilizing SL1, the other module (SL2) contains blank sky, and vice versa.

Therefore, the opposite module (SL1 for SL2/3 and vice versa) was used for sky subtraction. Sky subtraction of

SH data was also tested, but the Spitzer campaign lacked dedicated off-source pointings. Due to our relatively high

signal-to-background-noise ratio, sky subtraction of other dedicated background campaigns of other targets taken in

a close time proximity to the SH observations showed negligible improvement and thus the process was forgone.

The JPL Horizons interface was used to calculate various parameters pertaining to Titan for each observation,

including right ascension, declination, angular separation from Saturn, angular diameter, and sub-observer latitude.

The angular diameter was used to convert the native flux density units of SPICE, janskys, to units of radiance

(W cm−2 sr−1 µm−1). An effective IR radius of Titan including the atmosphere of 3000 km was used based on assump-

tions made in Section 2.1.1.

2.2.1. SL Overlap Region

SL data are split into three orders: SL1 (7.46−14.29 µm), SL2 (5.13−7.60 µm), and SL3 (7.33−8.66 µm). SL3 data

are taken simultaneously with SL2 and is treated as a ‘bonus order’, providing a small overlap region (7.46− 8.66 µm)

with the time-separated SL1 data intended to be used to normalize the SL2/3 and SL1 segments of the spectrum.

Given that SL2/3 is more accurate when compared to standard stars according to IRS self-reported error values, the

overlap region was used to scale the consistently higher SL1 data to the SL2/3 flux. Scale factors ranged from 0.8%

to 10.3% with an average of 3.6%, varying over each observation session. Edges of each order were trimmed and the

three orders were then combined and averaged to create one spectrum. SH data contained 10 separate orders. The

orders are taken concurrently and do not exhibit large amounts of overlap and thus were only trimmed at each order’s

wavelength range edge and not scaled.

2.2.2. Stray Light from Saturn

Previous observations of Titan have been hindered by stray light reflecting off of Saturn (Coustenis et al. 2002). We

accounted for this effect in the low-resolution data through background subtraction of the unused/opposite module.

However, the high-resolution exposures lacked such an unused module. Therefore, it was difficult to assess whether

stray light from Saturn had a significant impact on the SH data. The angular separation of Titan’s center from Saturn’s

center in each observation ranged from 52′′ to 193′′, compared to Saturn’s ∼ 21′′ angular radius, including its rings.

Despite a lack of dedicated background subtraction, there was no statistically significant difference between the flux

observed at low separation and high separation (� 0.1%), suggesting that Titan was far enough for stray light to not

display a major impact.

2.3. Errors and Calibration

Errors output by SPICE are not sufficient enough to account for various systematic sources of error. We used

the IRS self-reported error values based on disagreement with standard stars of 4.6% for SL1 and 2.2% for SL2/3

(presented in the IRS Instrument Handbook). Data in the SL1 and SL3 overlap area used the estimated errors of SL1

and SL3 added in quadrature (total 5.1%) to account for additional error introduced by normalization. As the IRS

does not self-report a value for SH, the 4% standard deviation reported in Orton et al. (2014a) was used. Average

PSF correction factors output by stinytim v2.0 accounted for an extra 0.88% error in the wavelength range used for

the SL module and 0.43% in the SH. These two sources of error were added in quadrature with the SPICE 1-sigma

error to produce an average estimated radiance error of 4.9% in the SL module, 4.0% in the SH module for the Stare

Dataset, and 4.1% for the Map Dataset.

3. SPECTRAL RETRIEVALS

3.1. Radiative Transfer Model

Vertical temperature and gas composition profiles were derived using the optimal estimation retrieval algorithm,

Nonlinear optimal Estimator for MultispEctral analySIS (NEMESIS, Irwin et al. 2008), which has been used extensively

for modeling of planetary atmospheres in the infrared, including multiple studies using Cassini CIRS data (e.g. Teanby

et al. 2006, 2007; Nixon et al. 2010; Cottini et al. 2012; Teanby et al. 2019; Lombardo et al. 2019a).

Our Titan reference atmosphere contained 99 pressure levels ranging from 1.44 to 10−8 bar (0 to 782 km) and

included a pressure-temperature a priori profiles for temperature and gas abundance derived from CIRS data used in

https://irsa.ipac.caltech.edu/data/SPITZER/docs/irs/irsinstrumenthandbook/IRS_Instrument_Handbook.pdf
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Teanby et al. (2009). The gases included in our model are nitrogen (N2), hydrogen (H2), carbon dioxide (CO2), carbon

monoxide (CO), water vapor (H2O), methane (CH4), hydrogen cyanide (HCN), cyanoacetylene (HC3N), acetylene

(C2H2), ethylene (C2H4), ethane (C2H6), propyne (C3H4), propane (C3H8), diacetylene (C4H2), cyanogen ([CN]2), and

benzene (C6H6). Propylene (C3H6) was also included using a theoretical profile from the photochemical model of Loison

et al. (2019). Major isotopologues of methane (13CH4 and CH3D), ethane (CH3
13CH3), acetylene (C2HD and C13CH2),

carbon dioxide (13CO2, OC18O, and OC17O), and hydrogen cyanide (H13CN and HC15N) were also included. Methane

isotopes were separated from each other, whereas all other isotopes were included with their associated molecules.

Retrievals for each separate Map Dataset observation were split into two sequential steps. In the first step, we used

the 7.35−9.00 µm (1110−1360 cm−1) region of the SL spectra containing the ν4 CH4 spectral band centered at 7.7 µm.

Full profile retrievals were run for temperature and haze density, whereas CH3D was fit for a simple scaling factor. All

other gas profiles were kept fixed. The temperature retrieval results were then used as the temperature profile for our

second step. As the Stare Dataset did not have accompanying SL data, we skipped this first step and instead used the

temperature profile from our original a priori profile.

The second step used the full range of SH data, edge trimmed to 9.96 − 19.35 µm (517 − 1004 cm−1), to fit for gas

and haze profiles. Full retrievals were done for the haze and C2H6 abundances. C2H2, C2H4, C3H4, C3H8, C4H2, HCN,

HC3N, and CO2 profiles were fit by adjusting a single scaling factor. Surface temperature, which is detectable via a

low-opacity window at 19 µm (Jennings et al. 2009), was also derived. All other profiles were kept fixed.

3.2. kDistributions

NEMESIS was run using the correlated-k approximation method (Lacis & Oinas 1991) instead of the more computa-

tionally intensive line-by-line method. Correlated-k tables for each gas were created using both SL and SH wavelength

grids reported by IRS with 50 quadrature points to integrate over (g-ordinates). Default terrestrial air broadening

(similar to N2) was used in place of the H2 foreign broadening used in Rowe-Gurney et al. (2021). k-tables were

primarily created using high-resolution line lists from the GEISA (Gestion et Etude des Informations Spectroscopiques

Atmosphériques) (Chedin et al. 1982; Husson et al. 1992; Jacquinet-Husson et al. 2016) 2020 and HITRAN 2020 (High-

Resolution Transmission Molecular Absorption Database, Gordon et al. 2021) online line-list databases. HITRAN was

used for most of the molecules listed in 3.1, with GEISA only being used for propyne (C3H4) and benzene (C6H6)

which are not included in the HITRAN database.

A laboratory-derived pseudo line list created at NASA JPL was used for C3H8 (Sung et al. 2013) as GEISA does not

include data for all spectral bands included in this study (Nixon et al. 2009). A similar pseudo line list was also used

for C3H6 (Sung et al. 2018), which is not included in the current HITRAN or GEISA databases. A Gaussian telescope

filter function was calculated for each wavelength assuming a constant R = 600 for the SH module and R = 60 − 127,

based on wavelength, for the SL module.

3.3. Haze Profile

Initial haze density height profiles were calculated based on findings presented in Tomasko et al. (2008). Using

Huygens probe Descent Imager/Spectral Radiometer (DISR) instrument data, they determined that Titan’s haze

between 60 and 150 km consists of aggregate particles that are composed, on average, of 3000 monomers of radius

0.05 µm. These aggregate particles have a number density of 5 cm−3 at a height of 80 km and latitude of 10°S and

decrease with a scale height of 65 km. Their data were constrained to a maximum altitude of 150 km. We assumed

that this scale height remains constant above 150 km and that their densities measured at 10°S could be approximated

in a global average. We used the spectral dependence of the haze particles’ refractive indices derived from CIRS data

and presented in Anderson & Samuelson (2011) for the 500 − 560 cm−1 (17.9 − 20 µm) spectral range and Vinatier

et al. (2012) for the 610 − 1500 cm−1 (6.7 − 16.4 µm) spectral range.

3.4. Disk Averaging

The contribution to the disk-averaged spectrum from each observable latitude depends on the observer’s field of

view. The contribution of Titan’s disk and its limb extension were discretized into 20 points, with 8 concentric circles

across the solid body and 13 across the limb. Field of view averaging points used in the creation of our synthetic

model spectra were derived from Appendix A in Teanby et al. (2013). Their study assumes a solid radius of 2575 km,

with a 425 km limb extension of the atmosphere. We used the same twenty discrete atmospheric paths with weights

w defined by the equation,

wi =
xixi+1 − xi−1xi

r2
, (1)
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Figure 2: Comparison of the Spitzer IRS SL 2004/03/05 spectrum (black dots) of Titan versus our NEMESIS model

results (blue line). The total spectrum had a reduced chi-square value χ2/N = 0.32. Filled blue regions and black

errorbars indicate observational error detailed in Section 2.3.

where x is the offset from the sub-observer point/disk center associated with an emission angle and r is the effective

radius. These weights define the spectral contribution from each of the aforementioned concentric circles and sum to

one.

4. MODEL FITTING AND INTERPRETATION

4.1. Low-Resolution Retrievals

An example of our SL retrievals is shown in Figure 2. The methane ν4 band peak, located at 7.7 µm, was consistently

weaker in our retrievals compared to observations. This could be due to sources of localized error not accounted for

in Section 2.3.

However, χ2/N values for some retrievals remain significantly lower than 1, indicating that the error self-reported

by IRS may be overestimated, or only applicable for sources much dimmer than Titan. RMS errors for each fit are

shown in Table 3.

Retrieved temperature profiles, an example of which is shown in Figure 3, exhibited a slight heating in the 250−350

km height range up to ∼ 3 K compared to our a priori profile. Implications of this result are discussed in Section 6.

Our calculated contribution functions indicate that our temperature retrievals were mostly sensitive to the ∼ 2 mbar

(∼ 150 km) region of the atmosphere, in line with previous temperature retrievals presented in Teanby et al. (2006)

and Coustenis et al. (2007).

4.2. High-Resolution Retrievals

4.2.1. Updated Haze Extinction Cross-Sections

Extinction cross-section values for Titan’s haze were derived from the refractive coefficients presented in Anderson &

Samuelson (2011) and Vinatier et al. (2012). While their data provided coefficients with ∆ν̃ ≤ 20 cm−1 resolution over

the 70 − 865 cm−1 (11.56 − 142.86 µm) range, the data contain a notable 50 cm−1 gap across 560 − 610 cm−1(16.39 −
17.86 µm) range, due to higher noise levels in CIRS observations.

Our NEMESIS fits show heightened residuals over the 16.7−17.1 µm range, with a smooth curve indicative of broad

haze-like spectral features. NEMESIS deals with gaps in spectral dependencies by linearly interpolating between

points. This is a good approximation if spacing between data points is low, but can lead to inaccurate fitting if there

is an extended region with no data. Given that this spectral range will soon be observed with JWST MIRI, providing

updated extinction cross-sections for this region will be useful in separating potential underlying spectral features from

the broader haze contribution.
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Figure 3: (left) Accompanying temperature retrieval to Figure 2 output by NEMESIS (black dashed line) compared

to our a priori profile (blue line) alongside the normalized contribution function (right). Filled regions in the re-

trieved profile indicate assumed error in our a priori profile (blue) and fitting error calculated by NEMESIS (black).

Contribution peaks at ∼ 2 mbar (154 km).

Table 4: Updated haze extinction cross-sections for the 570 − 600 cm−1

range. Values in parentheses represent the original interpolated values based

on Vinatier et al. (2012). Uncertainties were calculated based on the standard

deviation across our eight observations.

Wavenumber (cm−1) Wavelength (µm) Extinction Cross-Section (10−10cm−2)

570 17.544 1.664 ± 0.025 (1.631)

580 17.241 1.641 ± 0.016 (1.667)

590 16.949 1.546 ± 0.034 (1.702)

600 16.667 1.668 ± 0.010 (1.736)

We fit for new cross-section values by comparing the results of our NEMESIS fits using the original Vinatier et al.

(2012) cross-sections to a gray haze model (equal cross-sections at all wavelengths). The gray haze model was run

using the average extinction cross-section of the 560 and 610 cm−1 values, σ = 1.6812 × 10−10 cm−2. Residuals for

each fit were smoothed using a boxcar moving average to remove random noise. A wide width of 16 wavelength steps

(∼ 0.2 µm) was used to ensure removal of possible narrow emission features. We masked the prominent features at

16.39 and 17.35 µm that are possibly due to molecular emission. Difference in residuals at between the gray haze and

Vinatier et al. (2012)-derived haze was divided by the difference in their cross sections at 520, 530, 540, 550, 560,

and 610 cm−1 then averaged for an approximate scaling factor. We then multiplied this scaling factor by our original

residuals and added the result to our original cross-sections. Results can be seen in Table 4 and Figure 4. Residuals

over the 560− 610 cm−1 range decreased by an average of 60%. These new extinction cross-sections were then applied

to subsequent SH retrievals.

4.2.2. Wavelength Uncertainties

After analyzing preliminary SH spectral retrieval results, it became apparent that multiple orders exhibited signs of

a slight difference in the wavelength reported by the IRS data pipeline and the true wavelength. This suggestion is

supported by investigations made in Orton et al. (2014a), which found that wavelengths can vary by up to 20 − 25%
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Figure 4: NEMESIS fits for the 2005-11-15 spectrum before (left) and after (right) updating haze extinction cross-

sections for the 16.67 − 17.54 µm wavelength range (Table 4). The updated fit shows significantly better modelling of

the broad haze-like features in the 16.5− 17.1 µm range, while still retaining narrower signatures of possible molecular

emission.

of a resolution element and found that a wavenumber shift of 0.08 cm−1 was required to fit the H2 S(1) quadrupole

spectral feature accurately. Analyses based on CIRS data have required a similar wavenumber shift for accurate model

fitting (Nixon et al. 2012). This wavelength mismatch is likely due to calibration errors in the SH module arising

from minute changes in the telescope’s internal temperature or incomplete knowledge of the instrument smoothing

function. To counteract this, we fitted both our initial spectral retrievals from NEMESIS and our Spitzer data to cubic

splines on a per-order basis. We then found the wavelength ‘lag’ associated with each order through cross-correlation,

restricted to within a fourth of a wavenumber step. We subsequently recalculated our Spitzer cubic spline by shifting

our observed wavenumbers by a fitted constant and resampled the new spline for flux values at the original Spitzer

wavenumbers. Lags measured ranged from 0 (most common) to approximately 16.1% of an wavenumber step. An

example wavenumber shift can be seen in Figure 5. This effect is not noticeable in the SL module due to the much lower

resolution. The chi-square values in the areas where this fix was applied were significantly reduced, with an average

decrease in RMS fitting error of ∼ 16% across observations. However, this fix was difficult to apply consistently as

it was only calculable for regions with order-wide and well-resolved spectral bands, such as the ethane band centered

near 12 µm and the acetylene band centered near 13.5 µm.

4.2.3. Retrieval Results

An example NEMESIS retrieval from the high-resolution data can be seen in Figure 6. RMS errors for each fit are

shown in Table 3. The error indicated for the SH retrievals is much higher than seen in Section 4.1, particularly in

regions with dense spectral bands, discussed below.

4.2.4. Resolving Power Uncertainties

Aside from this wavelength shift, peaks and troughs of spectral bands consistently showed residuals above the noise

level due to an apparent underestimation by our model (see Figure 6). Multiple types of filter function shapes for our

k-table generation (e.g. Lorentzian, triangular, boxcar) were tested but did not show considerable improvement in

peak fitting over the Gaussian filter used in Rowe-Gurney et al. (2021), in line with results presented in Orton et al.

(2014a). Multiple types of gas profile models for ethane and acetylene (e.g. simple scaling factor, pressure gradient,

full profile retrieval) were also tested but did not show significant improvement. Similar under-fitting of various peaks

using NEMESIS can be seen in Rowe-Gurney et al. (2021). Under-fitting of peaks is likely due to a difference between

the reported resolving power and the actual resolving power of the telescope.
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Figure 5: Example results of the cubic spline method described in Section 4.2.2. The observed data (grey) was cross

correlated with our NEMESIS model results (red) to find the wavenumber shift that maximized the cross correlation

factor. The shifted spectrum (blue), redshifted by 0.115 cm−1, shows noticeably better correlation in spectral band

peaks.

Despite being reported as R ≈ 600, the resolving power of the IRS is not constant and varies, with true resolving

power R = 600 ± 60 according to the IRS Instrument Handbook. k-tables used in our NEMESIS model assume a

constant resolving power of R = 600, and variations in resolving power can greatly affect the shape of our model’s

spectral features. Statically increasing the resolution from R = 600 leads to better fitting in underfit regions of the

spectra but overfitting of peaks in already well-fit regions of the spectra (see Figure 7), indicating that the resolution

varies significantly as a function of wavelength.

Orton et al. (2014b) corrected for this effect by radiometrically scaling down SH data to the lower-resolution SL and

LL data and fitting a local resolving power on a per-order basis. They found that for most regions, R only varied as

R = 590 ∼ 615, but more dramatic changes in resolving power were observed if they fit resolving power to specific

spectral features, up to R = 743. Their fix was possible due to data in the overlap region of the SL and SH modules at

9.89− 14.29 µm and the LL and SH modules at 13.98− 19.30 µm. However, as the SL data of Titan are oversaturated

at wavelengths & 11.7 µm, this fix was not applicable to most of our data. Comparing Spitzer observations of Titan

to lower-resolution IR measurements, particularly limb spectra from CIRS, may help in constraining the true IRS

resolving power at the ethane and acetylene spectral bands.

4.2.5. Gas Profile Retrieval Results

Volume mixing ratios for each fitted gas species can be seen in Table 5. We compare our disk averaged measurements

to disk averaged profiles from the Seasonally Varying Radiative Species (SVRS) dataset presented in Lombardo & Lora

(2023) (accessible on a Zenodo archive at Lombardo & Lora 2022). The SVRS dataset includes abundance information
of seven molecules (C2H6, C2H4, C2H2, C3H4, C4H2, HCN, and HC3N) from the surface to an altitude over 500 km

(1 × 10−8 atm), across all latitudes and over a full Titan year. SVRS was developed by combining the meridional and

seasonal information of the abundance of each molecule at the 1 × 10−3 atm level (about 200 km height) measured with

CIRS in Teanby et al. (2019) with the vertical and seasonal information in Mathé et al. (2020)—a complete description

may be found in Lombardo & Lora (2023). The interpolation scheme used in SVRS enables a the calculation of a

robust disk averaged profile for each molecule, which would otherwise be impossible to determine from the discrete

CIRS measurements alone. In our comparison, we calculate the disk averaged SVRS profiles corresponding to January

2006 (LS = 313°) by a weighted sum of abundance profiles across all latitudes. The 1-σ uncertainties reported here

are the weighted 1-σ range of abundances across all latitudes.

Our measurements show a greater abundance in most species than expected from the SRVS derived disk-averaged

profiles. This may be caused by non-linearities in the radiative transfer scheme that are not accounted for in our

simplified disk-averaging calculations, especially due to enrichment of trace species near Titan’s winter pole. This

enrichment effect has been studied in detail (Hourdin et al. 2004; Teanby et al. 2009, 2017, 2019; Thelen et al. 2019)

and is driven by Titan’s stratospheric circulation. A possible inverse relationship between photochemical lifetimes and

enrichment factors at the poles has also been proposed (Teanby et al. 2008). This would possibly explain the greater

enhancement in our measured HC3N compared to the SVRS derived profiles, as HC3N has a short photochemical

lifetime (τ < 1 year) compared to other hydrocarbon and nitrile species (Teanby et al. 2006).

https://irsa.ipac.caltech.edu/data/SPITZER/docs/irs/irsinstrumenthandbook/IRS_Instrument_Handbook.pdf
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(b) 13.10 − 16.21 µm
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(c) 16.22 − 19.35 µm

Figure 6: Comparison of high-resolution 2005/04/16 spectra of Titan versus our NEMESIS model results. The total

spectrum had a reduced chi-square value χ2/N = 1.50. Prominent spikes in residual error can be seen in the ethane

and acetylene spectral bands as well as band peaks—possible causes are discussed in Section 4.2.2.
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Figure 7: Example model fits (blue) of the C2H6 spectral band near 12 µm assuming a constant resolving power of (left)

600 and (right) 720 compared to Spitzer observations (black). Higher resolution leads to significantly lower residuals

in originally underfit regions (11.95 ∼ 12.15 µm) but higher residuals in originally well-fit regions (11.75 ∼ 11.95,

12.15 ∼ 12.50 µm). Further studies in dynamical fitting of Spitzer’s true resolving power as a function of wavelength

will greatly improve radiative transfer model precision.

Table 5: Retrieved volume mixing ratios for major gases at our observations’ height of greatest sensitivity, determined by

NEMESIS contribution functions, alongside retrieved surface temperature Ts. Errors represent fitting uncertainties associated

with the NEMESIS retrieval scheme.

Observation Date Ts (K) CH3D C2H2 C2H4 C2H6 C3H4 C3H8 C4H2 CO2 HCN HC3N

Height (km) 154 124 154 154 154 124 202 124 105 332

Scaling Factor 10−6 10−6 10−7 10−5 10−8 10−7 10−9 10−8 10−7 10−8

Initial Values 93.0 ± 1.0 6.60 ± 0.66 2.62 ± 0.52 1.20 ± 0.24 1.27 ± 0.13 0.80 ± 0.16 3.66 ± 0.73 3.03 ± 0.61 1.60 ± 0.32 1.34 ± 0.27 0.21 ± 2.11

2004-03-05 90.1 ± 0.3 7.22 ± 0.72 2.48 ± 0.06 1.82 ± 0.08 1.10 ± 0.07 0.99 ± 0.04 3.66 ± 0.20 4.50 ± 0.34 2.11 ± 0.17 1.17 ± 0.07 1.52 ± 1.20

2004-03-25 90.9 ± 0.3 7.27 ± 0.73 2.55 ± 0.06 1.81 ± 0.08 1.12 ± 0.08 1.00 ± 0.04 3.52 ± 0.19 4.42 ± 0.34 2.04 ± 0.16 1.16 ± 0.07 1.39 ± 1.10

2005-11-15 93.0 ± 0.3 6.63 ± 0.60 2.25 ± 0.05 1.62 ± 0.06 1.02 ± 0.07 0.87 ± 0.03 3.38 ± 0.18 4.31 ± 0.33 1.65 ± 0.11 1.02 ± 0.05 1.68 ± 1.45

2006-04-20 90.7 ± 0.3 6.98 ± 0.67 2.54 ± 0.06 1.66 ± 0.07 1.11 ± 0.07 0.92 ± 0.03 3.49 ± 0.19 4.21 ± 0.30 2.16 ± 0.18 1.10 ± 0.06 1.89 ± 1.64

2004-03-04 91.1 ± 0.3 2.67 ± 0.05 1.73 ± 0.05 1.06 ± 0.07 1.07 ± 0.03 3.24 ± 0.14 4.62 ± 0.30 2.11 ± 0.14 1.20 ± 0.06 1.25 ± 0.78

2004-11-16 90.6 ± 0.3 2.57 ± 0.05 1.67 ± 0.06 1.01 ± 0.07 1.02 ± 0.03 3.18 ± 0.14 4.71 ± 0.31 1.94 ± 0.12 1.12 ± 0.05 1.79 ± 1.25

2005-03-23 90.8 ± 0.3 2.53 ± 0.05 1.63 ± 0.05 1.01 ± 0.06 0.97 ± 0.03 3.11 ± 0.13 4.46 ± 0.28 2.01 ± 0.13 1.06 ± 0.05 1.68 ± 1.13

2005-04-16 90.6 ± 0.3 2.45 ± 0.04 1.65 ± 0.05 1.00 ± 0.07 0.93 ± 0.03 3.11 ± 0.13 4.36 ± 0.27 2.00 ± 0.13 1.04 ± 0.04 1.69 ± 1.12

SVRS, 2006-01 1.74 ± 0.06 1.84 ± 0.34 0.85 ± 0.10 0.90 ± 0.13 3.99 ± 0.64 0.94 ± 0.38 0.19 ± 0.06

An additional source of the discrepancy between our measurements and the SVRS-derived HC3N values may be

the method used to determine the disk-averaged profiles from the SVRS dataset. Our disk averaging calculations do

not account for the increasing path length through Titan’s atmosphere as the distance from the sub-observer point

increases. Accounting for this effect would lead to an increased weighting of the higher latitudes, including the high

winter polar latitudes where HC3N is enriched. This effect is possibly most noticeable in HC3N due to the strength of

the polar enrichment of this molecule. However, the uncertainties in our HC3N measurement are on the order of the

measurements themselves, indicating that our retrieval is not very sensitive to this molecule.

5. DISCUSSION
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Table 6: Summary of the Map Dataset observation

dates and sub-observer latitude, Lobs, alongside the

closest date and latitude in Teanby et al. (2019).

Spitzer Date Teanby Date Lobs (°) Teanby L (°)

2004-03-05 2004-07-02 -26.24 -25.20

2004-03-25 2004-07-02 -26.28 -25.20

2005-11-15 2005-10-29 -17.07 -15.20

2006-04-20 2006-05-22 -19.98 -20.40

5.1. Comparison to Cassini CIRS Data

Temperature profile retrievals for the Map Dataset were compared to CIRS profiles retrieved in Teanby et al. (2019).

They retrieved full temperature profiles for Titan’s atmosphere at various latitudes and gas VMRs for C4H2, C3H4,

HC3N, CO2, HCN, C2H2, C2H6, and C2H4 at a pressure of 1 mbar (this pressure roughly translated to a 185 km height

in our global average) from Jul 2004 to Sept 2017. Specific dates covered were generally within 4 months of our IRS

observations. After finding the Teanby et al. (2019) dataset closest in time to each of our observations, we used data

where the observed Teanby et al. (2019) latitude was closest to the sub-observer latitude at the time of observation.

Only dates with data points within 10° of the sub-observer latitude were used. This was done to approximate a global

average as the Teanby et al. (2019) retrievals were only performed at specific latitudes and generally did not include

full hemispheric coverage. Due to only having one data point (at a pressure of 1 mbar) per latitude, VMR data from

Teanby et al. (2019) was too sparse to compare in detail to our gas profile retrievals.

Comparison of our retrieved temperature to that from Teanby et al. (2019) can be seen in Figure 8. Results are

generally in agreement, with overlapping 1-sigma error bars, especially in the high contribution function 100− 250 km

height range. The warmer temperatures seen at 300 − 400 km from our retrievals may be due to the warm, elevated

stratopause poleward of 50° in the winter hemisphere (e.g. Teanby et al. 2008; Achterberg et al. 2011) contributing to

the overall emission in the Spitzer disk-average spectra, compared to low-latitude temperature profiles from Teanby

et al. (2019) which do not have a warm, elevated stratopause.

5.2. Unmodeled Emission Features and Possible Origins

We noticed two narrow emission features above our assumed noise level that are not well explained by our model
spectrum, centered at 17.35 µm (576.2 cm−1) and 16.39 µm (610.2 cm−1), shown in Figure 9. The 17.35 µm feature was

also detected in an IRIS-based analysis (Courtin et al. 1995). They postulated that the unidentified emission could

be due to a weak H2O transition near 576 cm−1, but noted that this is unlikely due to the overall low concentration

of water vapor in Titan’s atmosphere and the fact that stronger H2O bands are not present. Similarly, varying water

vapor profiles in our model did not lead to any improvement in fitting the feature.

5.2.1. Buckminsterfullerene

Neutral buckminsterfullerene (C60) has a well-constrained emission line that is centered at 17.35 µm when in solid

phase (Brieva et al. 2016). Production of neutral C60 in Titan’s atmosphere has been theorized (Sittler et al. 2020), but

not detected. C60 has also been detected in young planetary nebula via IRS observations (Cami et al. 2010). However,

it is unlikely that a heavy molecule such as solid C60 could remain trapped in Titan’s atmosphere for a significant

amount of time and we were unable to detect the stronger feature associated with C60 at 18.98 µm. Detection of the

stronger feature in future studies would greatly help in the identification of C60 in the atmosphere.

5.2.2. Polycyclic Aromatic Hydrocarbons

Various species of polycyclic aromatic hydrocarbons (PAHs) have been detected in large abundances in Titan’s upper

atmosphere (Lopez-Puertas et al. 2013). In addition, certain types of PAHs detected in the interstellar medium exhibit
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Figure 8: Disk-averaged temperature retrievals for Spitzer data resulting from NEMESIS spectral fitting (black

dashed line) compared to similar Cassini CIRS retrievals (yellow line) at the sub-observer latitudes listed in Table 6.

Filled regions indicate 1-σ CIRS retrieval error (yellow) and IRS retrieval error (black).

strong spectral features at 16.43 and 17.38 µm with FWHM values of 0.16 and 0.13 µm, respectively (Moutou et al.

2000; Peeters et al. 2004). However, these two features are redder than the features observed in our data by about
three wavelength steps. The 16.43 µm feature is also predicted to be significantly stronger than the 17.38 µm feature,

something not evident in our data.

The NASA Ames Research Center PAH IR Spectral Database (Boersma et al. 2014; Bauschlicher et al. 2018;

Mattioda et al. 2020) contains detailed data on prominent IR transitions of over 4000 types of PAHs. It is unlikely

that a single neutral PAH is a perfect match for our observed features. For example, the C22 molecule’s strongest

transition is centered at 17.35 µm, but lacks any strong features near 16.39 µm. C33 contains a strong feature centered

at 16.38 µm, but also contains a stronger feature centered at 18.18 µm not consistent with our data. In addition, the

charge of each species shifts where their spectral features are located (Bauschlicher Jr et al. 2008).

Lopez-Puertas et al. (2013) used the PAH Database to find that a 3.3 µm emission feature in the upper (900− 1000

km) atmosphere could mostly be explained by high concentrations (∼ 104/cm3) of the neutral PAHs C48H22 and

C10H8N. However, these PAHs do not show significant spectral contribution near our unidentified features. A future

principal component analysis (PCA) of the higher signal to noise (S/N) and spectral resolution MIRI data using the

Ames PAH Database similar to that presented in Lopez-Puertas et al. (2013) may be able to identify the combination

of individual molecules that are the source of our spectral features.

Recent studies have attempted to recreate the IR spectral contribution of Titan’s organic haze through laboratory

experimentation with N2 − CH4 gaseous mixtures (Dubois et al. 2019; Perrin et al. 2021), but lack coverage in our

16.0 − 19.5 µm area of interest. Better understanding of the impact of PAHs to Titan’s infrared spectrum through

https://www.astrochemistry.org/pahdb/
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Figure 9: Individual observations (black errorbars) and model fits (blue) alongside averaged residuals (bottom) over

the 16.2 − 18.2 µm range. Errorbars for the average residuals represent the standard deviation of residuals across

the eight observations—smaller errorbars represent more consistent features. The shaded blue region represents our

estimated noise level. While many narrow spectral features appear to be present across all spectra, the 16.39 and

17.35 µm features (solid lines) are the only candidate features that are consistently above the estimated noise level

(∼ 4%). Dashed lines at 17.43, 17.68, 17.78, 18.11, 18.17, and 18.76 µm represent possible candidate features that may

be better resolved through follow-up observations with JWST.
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Figure 10: (a) Estimated limiting continuum fluxes for the JWST MIRI (green), Spitzer IRS (blue), and Cassini

CIRS (red) high-resolution channels for an S/N= 25 signal (equivalent to 4% noise) from a 6 second exposure, based

on data compiled by Jane Rigby on the JWST website and Flasar et al. (2004). CIRS fluxes were calculated assuming

the highest-resolution mode (∆λ = 0.5 cm−1). Line fluxes (W m−2) were converted to radiance units by assuming an

Titanian angular diameter of δTitan = 0.81′′. The theoretical limiting flux of IRS (& 1 × 10−2 µW cm−2 sr−1 µm−1)

is slightly lower than our assumed error (& 3 × 10−2 µW cm−2 sr−1 µm−1) due to accounting for various other sources

of error other than purely randomized detector noise, including wavelength/resolution shifts and uncertainty in haze

parameters. (b) Approximate resolving power R for each instrument over the same wavelength range. MIRI estimates

are based on Labiano et al. (2021).

laboratory experimentation or in situ exploration through the upcoming Dragonfly mission (Lorenz et al. 2018; Barnes

et al. 2021) will help constrain origin of the unmodeled spectral features we see here.

5.2.3. Propylene

The pseudo line list for C3H6 used in our model (Sung et al. 2018) only includes information in the 6.5 − 15.4 µm

(600 − 1534 cm−1) wavelength range. More recent high-resolution cross-section measurements of C3H6 at longer

wavelengths have revealed a spectral band centered at 576 cm−1 (17.36 µm, Bernath et al. 2023). Since this gas has

already been detected on Titan in the infrared, this band could potentially explain the missing 17.35 µm emission.

However, to check whether it is a good fit, we require a new low-temperature line list or pseudo line list for this region.

5.3. JWST Cycle 1

JWST is scheduled to observe Titan with MIRI (Rieke et al. 2015) in the 5.0 − 28.3 µm (350 − 2000 cm−1) range

during its Cycle-1 GTO observations (Nixon et al. 2016, 2021). The primary focus of these observations is the 5−7 µm

wavelength range, which has not been observed by CIRS nor most other space observatories.

For a given S/N, MIRI is expected to have flux sensitivities ∼ 20− 70 times lower than the Spitzer IRS SH module,

with an average of ∼ 21 times higher sensitivity in our 16.35 − 19.35 µm region of interest (see Figure 10). Many of

the spectral features observed in the 16.35 − 19.35 µm range across our IRS observations are very narrow (FWHM of

∼ 2−4 wavelength steps) and unresolved. MIRI will have a resolving power ∼ 2.5−4.5× that of IRS in the region and

∼ 1.3−2.5× that of CIRS. Alongside increased resolving power, increased sensitivity will allow for better resolution of

the candidate emission features seen in Figure 9 and help confirm these as real features, allowing for further study of

their origins. This may also help in the identification of many exotic species active in the infrared that are theorized

to be produced in the upper atmosphere, as well as aid in further study of previously detected species like C3H6 while

providing better constraints on spatial and temporal variations in their abundances. Better spatial resolution will also

help in the study of the time-dependence of the polar enrichment effect described in Section 4.2.5.

6. CONCLUSIONS AND FUTURE WORK

https://www.stsci.edu/jwst/about-jwst/history/historical-sensitivity-estimates
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We performed the first reduction of both high-resolution and low-resolution IR spectra of Titan taken by the Spitzer

Space Telescope and made alterations to the spectral inversion algorithm NEMESIS to retrieve various profiles for the

disk-averaged spectra of Titan. The data reduction process used in this work largely builds upon Rowe-Gurney et al.

(2021) and Orton et al. (2014a,b). Spitzer data largely confirmed results derived from previous observations from ISO

and CIRS, as well as haze properties derived in Tomasko et al. (2008), Anderson & Samuelson (2011), and Vinatier

et al. (2012). Limitations due to the spatial resolution of Spitzer when compared to that of previous observations

made it impossible to measure spatial variations in our gas and temperature profiles.

Issues still present in fitting well-known spectral bands, especially in the methane, ethane, and acetylene band peaks

suggest that more work is needed regarding calibration of IRS observations. Testing of different fitting techniques

for the resolving power used in the telescope filter functions required for k-table creation could lead to more accurate

results. Better constraints on the true error of IRS data on bright sources would also help us identify more regions of

the spectra with fitting issues.

We observed unidentified strong emission features at 16.39 µm and 17.35 µm and postulated possible chemical species

that could explain these discrepancies, including H2O, C60, C3H6, and various PAH species. Several other narrow

emission features in the 16.00 − 19.35 µm range were observed across multiple spectra but cannot be confirmed given

the moderate resolving power and S/N of IRS. Future investigation of these features through JWST observations used

in tandem with pseudo-line lists for the above chemical species will help in narrowing down their origins as well as

improve our understanding of the effects of Titan’s haze on our retrieved spectra.

The results we present here lay the ground work for JWST MIRI observations of Titan in a spectral window that

has been underutilized due to poor data sensitivity in the existing dataset. We propose the following steps be taken

to maximize the scientific products from future observations of these spectral windows:

1. The spectral region from 16 to 20 um lacks low temperature laboratory spectra of molecules present in Titan’s

atmosphere. Cross-sectional measurements should be made to enable the qualitative detection of these molecules

in this spectral window from existing Spitzer IRS and future JWST MIRI observations.

2. Pseudo line lists, similar to those presented in Sung et al. (2013) and Sung et al. (2018), for detected and predicted

species would enable the proper fitting and retrieval of molecular abundance profiles from these spectral windows.

Additionally, these emission bands may be sensitive to different altitude ranges than those observed at higher

wavenumbers.

3. JWST MIRI observations of these spectral windows, with the appropriate updated laboratory cross sections and

pseudo line lists, would potentially enable a more complete vertical description of molecular abundance from

ground and space-based observatories (e.g. Lombardo et al. 2019b).

4. Observations from these spectral windows would help to constrain the hemispheric asymmetry of Titan’s strato-

spheric composition due to the polar enrichment caused by the stratospheric meridional overturning circulation.

These constraints would help to elucidate the dynamical changes occurring in Titan’s atmosphere as it progresses

through its seasonal changes.
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Figure 11: Automated spectra output from the IRS pipeline for the SH (dashed) module alongside their LH (solid)

counterparts for Map Dataset 1. Only observations from 2004/03/05 and 2006/04/20 are generally consistent with SL

data and each other and may be usable for future analyses of LH data.

DATA AVAILABILITY

All data used in this analysis are publicly available online at the Spitzer Heritage Archive (Spitzer Science Center

2020) by searching “Titan” in the “Moving Object” search option.

APPENDIX

A. LH DATA

Automated spectra produced by the IRS pipeline (and converted from flux density units to radiance units) for LH

data are shown in Figure 11. The LH data were largely inconsistent across observations and discontinuous with SL

in overlapping regions—noise reduction techniques were ineffective in changing this result. The reason for these vast

discrepancies is not clear. MIRI will allow for better study of the 19.5 − 28.0 µm covered solely by the LH module.
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Astrophysique du Québec, Canada
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ABSTRACT

Previous STIS long-slit observations of η Car identified numerous absorption features in both the

stellar spectrum, and in the adjacent nebular spectra, along our line-of-sight. The absorption features

became temporarily stronger when the ionizing FUV radiation field was reduced by the periastron

passage of the secondary star. Subsequently, dissipation of a dusty structure in our LOS has led to

a long-term increase in the apparent magnitude of η Car, an increase in the ionizing UV radiation,

and the disappearance of absorptions from multiple velocity-separated shells extending across the

foreground Homunculus lobe. We use HST/STIS spectro-images, coupled with published infrared and
radio observations, to locate this intervening dusty structure. Velocity and spatial information indicate

the occulter is ≈1000 au in front of η Car. The Homunculus is a transient structure composed of dusty,

partially-ionized ejecta that eventually will disappear due to the relentless rain of ionizing radiation and

wind from the current binary system along with dissipation and mixing with the ISM. This evolving

complex continues to provide an astrophysical laboratory that changes on human timescales.

Keywords: massive stars: Eta Carinae, binary winds

1. INTRODUCTION

Eta Carinae (η Car) caught the attention of southern

observers in the early nineteenth century as its visual

Corresponding author: Theodore R. Gull

tedgull@gmail.com

magnitude changed frequently (Smith & Frew 2011). By

the 1840s its visual magnitude rivaled Sirius only to dis-

appear to the naked eye, then marginally brightened in

the 1890s and faded again. In the period 1939-1945 there

was a jump by 1.2 mag in the visual brightness without

brightening of the central star (Thackeray 1953). After

that the brightening progressed at a slower pace (Gavi-
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ola 1950) to the present day when it has again achieved

visual magnitude ≈ 4.4 (Damineli et al. 2021).

The changing properties of η Car continue to fascinate

astronomers. Since η Car is located relatively nearby

(2300 pc: Smith (2006)), ejecta are resolvable from

η Car enabling studies not only of the central source, but

the influence on material thrown out during historical

times. Southern hemisphere telescopes and space obser-

vatories with increasingly sophisticated instruments of-

ten turn to this amazing object to gain new information

as the spectra of the central source and its ejecta evolve.

The apparent changes of η Car and its expanding ejecta

make it an astrophysical laboratory that evolves on hu-

man timescales enabling new studies of topics ranging

from atomic and molecular physics to the evolution of

massive stars nearing their end stages.

η Car ejected at least two shells of material within the

historical record. Photographic imagery in the 1940s re-

vealed a surrounding extended structure that Gaviola

(1950) named the ’Homunculus’ as it appeared to be

humanoid in shape. Near diffraction-limited imagery

of the Hubble Space Telescope (HST) in the mid-1990s

clarified the Homunculus to be a dusty, bipolar 10′′×20′′

structure with an equatorial skirt (Morse et al. 1998).

Spectro-imagery from the HST/Space Telescope Imag-

ing Spectograph (STIS) identified an internal structure,

the Little Homunculus, as a co-aligned, ionized, bipolar

4′′×4′′ structure (Ishibashi et al. 2003). The Homuncu-

lus, by velocity and proper motion, is associated with

the Great Eruption of the 1840s (Smith 2017) and the

Little Homunculus is associated with the Lesser Erup-

tion of the 1890s (Ishibashi et al. 2003).

η Car is a massive binary. The primary compo-

nent is the closest example of a very massive star.

Damineli (1996) and Damineli et al. (1997) used spec-

troscopic observations, correlated with the photometric

near-infrared (NIR) light curve, to discover the 5.5 yr

binary cycle of η Car. Corcoran (2005) confirmed the

binary period in X-rays using the Rossi X-ray Timing

Explorer (RTXE). RXTE spectra analyzed by Ishibashi

et al. (1999) showed that the wind velocity of the com-

panion star was at least a factor of 3 higher than the

wind velocity of the primary star, while comparison of

Chandra X-ray grating spectra with wind-wind collision

models by Pittard & Corcoran (2002) provided mass loss

rate estimates, ṀA ≈ 2.5 × 10−4 M� and ṀB ≈ 10−5

M� yr−1 with V∞,A ∼ 500 to 700 km s−1and V∞,B ∼
3000 km s−1.

More recent refinements are: the binary period, P =

5.53 yr (Teodoro et al. 2016) with the primary mass &
100 M� (Hillier et al. 2001, 2006), ṀA = 8.5 × 10−4

M� yr−1 (Madura et al. 2013) and V∞,A = 420 km s−1

(Groh et al. 2012b). The secondary, η Car-B, is esti-

mated to have a mass ≈ 30 to 50 M� (Verner et al. 2005;

Mehner et al. 2010). The secondary properties remain

inferred as direct measure of the secondary is yet to be

accomplished because of the huge contrast in brightness

between the companions. A possible exception may be

the recent study by Strawn et al. (2023) that tracked

the weak He II λ4686 emission to directly measure the

radial velocity orbit of the secondary, which moves in

anti-phase relative to the primary star: they find a min-

imum mass of 55 M� for η Car-B with a minimum mass

for η Car-A of 102 M�.

The observed optical and UV flux of η Car, monitored

by multiple facilities from the ground and in space, has

increased over the past two decades. The response of

the dusty Homunculus, serving as a calorimeter to the

6 × 106 L� source, has been constant for nearly a half

century other than a possible 5.54-yr modulation due to

the binary orbit (Mehner et al. 2019). The X-ray light

curve also has been repeatable (Corcoran et al. 2010; Es-

pinoza Galeas 2021). Damineli et al. (2019) noted that

while the flux of η Car at visible wavelengths increased

by an order of magnitude, the contribution of scattered

starlight from the Homunculus stayed constant, demon-

strating that the recent changes in η Car were appar-

ently due to a dusty occulter that has been dissipating

and/or moving out of the line of sight (LOS).

Hillier & Allen (1992), Hillier et al. (2001) and Hillier

et al. (2006) previously noted that the equivalent width

of Hα measured directly of η Car was inconsistent with

atmospheric models by CMFGEN and was larger than

measured in the scattered starlight off the Homuncu-

lus. They suggested that an occulting structure, with

very grey spectral properties, systematically blocked the

source of the stellar continuum more than the very ex-

tended wind of η Car-A.

Furthermore, Weigelt et al. (1995) suggested the ex-

istence of an occulting structure in front of Eta Car to

explain the unusually high relative brightness of three

ejected clumps at separations of 0.′′1 to 0.′′3 (Weigelt &

Ebersberger 1986). These three clumps were only 1.3

to 2.4 mag fainter than the central star Eta Car in the

wavelength region of 8000 to 9000Å in 1983 when they

were discovered and only a factor of two fainter than Eta

Car in the UV at 2000Å in 1991 and 1992 (Davidson

et al. 1995).

The long-term decrease of the emission lines and the

increase in optical depth of P Cygni absorption were

replicated by a model simulating a dissipating occulter

in front of a stable primary star (Damineli et al. 2022).

Damineli et al. (2021) predicted that by the 2030s, the

occulter will have completely dissipated. Recently Pick-



3

ett et al. (2022) showed that a long-term evolution of

the Na D absorption from the Little Homunculus was

consistent with a disappearing occulter.

The tenfold increase in FUV1 (Gull et al. 2021, 2022)

since 2000 has affected many of the three dozen shells

ranging in velocity from −121 to −1074 km s−1 in the

LOS as catalogued in the NUV by Gull et al. (2006).

Nielsen et al. (in prep.) found that nearly all of the

∼800 strong absorption lines of H2 (−513 km s−1, as-

sociated with the Homunculus) disappeared and most

low-ionization signatures of absorption systems between

−122 and −186 km s−1, associated with the Little Ho-

munculus, likewise disappeared. Current evidence sug-

gests that slower-moving shells, being closer to η Car,

are now more highly-ionized and that the H2 has been

destroyed by the increased EUV and FUV radiation es-

caping from the central region.

In this discussion we examine archived NUV spatially-

resolved HST/STIS spectra (spectro-images)2 that in-

clude portions of the foreground ejecta to estimate the

spatial extent of the dissipating occulter. Section 2 re-

views the geometry of the Homunculus and Little Ho-

munculus. Section 3 catalogues the selected spectro-

images that provide temporal information on the dissi-

pating occulter. Section 4 describes spatially-resolved,

high-velocity nebular structures that respond to the

high- and low-ionization states of the 5.5-year binary

period and that exhibited long-term changes. Section

5 provides insight on where the occulter/absorber is lo-

cated. A brief conclusion is in Section 6.

2. SETTING THE STAGE

We view the bipolar Homunculus with its axis of sym-

metry projecting at ≈ 45◦ to the sky plane and tilted on

the sky with the foreground lobe in the southeast. η Car

is physically centered between the two lobes with its

orbital plane perpendicular to the Homunculus axis of

symmetry (Madura et al. 2012). From our vantage, the

stellar position projects, as shown in Figure 1, close to an

edge of the foreground lobe, leading to a noticeable ve-

locity shift across the nebular structure as shown below.

Immediately surrounding η Car is a complex of dusty

ejecta that strongly scatters starlight out to 1′′ diameter

(2300 au). Clumps of emission are scattered throughout

1 Following the HST/STIS echelle spectral modes, we define NUV
to be 1750 to 3150Å (E230H, E230M), FUV to be 1215 to 1750
Å (E140H, E140M) and the EUV to be shortward of 1216 Å (Ly
α).

2 Based on archived observations made with the NASA/ESA Hub-
ble Space Telescope, obtained at the Space Telescope Science In-
stitute, which is operated by the Association of Universities for
Research in Astronomy, Inc., under NASA contract NAS5-26555.

Figure 1. HST image of the Homunculus and the central
source recorded with the WFC3/UVIS instrument and the
F280N filter on 2020-02-12 (Φ = 13.997). The 3.′′2-long por-
tion of the 52′′×0.′′1 aperture is indicated by the long, black
rectangle (used for the spectro-images displayed in Figures
3, 4, 5, A.1, and A.2). The shorter white and cyan rectan-
gles (see enlargement) indicate the positions of the 0.′′3×0.′′2
aperture used with the HST/STIS echelle for the spectro-
images displayed in Figure 5, top and bottom. The position
of Weigelt C and D are indicated in the 1.6′′×1.6′′inset im-
age. The projected edge of the foreground lobe is located ≈
1.′′3 NNW of η Car. (Image is from HST archive.)

this complex, the brightest of which are Weigelt C and

D, two clumps first noticed by near-red speckle interfer-

ometry to be nearly as bright as η Car itself (Weigelt

& Ebersberger 1986). Proper motion studies, most re-

cently done by Weigelt & Kraus (2012) indicate these

clumps were ejected in the Lesser Eruption. Davidson

et al. (1995), using data from the HST/Faint Object

Spectrograph (FOS), determined these to be emission-

line structures photo-ionized by η Car. Detailed map-

ping of the emission clumps in [Fe II] and [Fe III] and

the variation in ionization across one orbital period were

described by Gull et al. (2016).

The long, thin rectangle, superimposed on Figure

1, defines the position of a 3.′′2-long segment of the

HST/STIS 52′′×0.′′1 aperture oriented at PA = 332◦,

marking the portion of the Homunculus sampled in the

spectro-images displayed in Figures 3, 4, A.1 and A.2.

The aperture extends from south by southeast (SSE)

across the position of η Car to north by northwest

(NNW) ending at the apparent edge of the foreground

lobe of the Homunculus. This aperture position had
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Figure 2. Sketch of structures within the Homunculus as seen in our LOS (NOT TO SCALE). Is the occulter a portion of
the Little Homunculus or a dense clump, like the Weigelt clumps that appear to be within several hundred au of the binary?
In NUV spectra recorded between 2000 and 2004, multiple, weaker shells at various velocities clustered near −513 km s−1,
associated with the Homunculus and the 1840s Great Eruption, were identified (Gull et al. 2006). Additional shells clustered in
velocities above and below −146 km s−1 are associated with the Little Homunculus ejected in the 1890s Lesser Eruption. By
2018, signatures of most of the weaker shells had disappeared. For scale, the strongest component of the Homunculus, moving
at −513 km s−1 since the 1840s, is about 1.8 × 104 au and the Little Homunculuus, moving at −146 km s−1 since the 1890s, is
about 3 × 103 au in front of η Car. The occulter and the interacting winds are associable with or within the Little Homunculus
(see Figure 9). The reader will note that the shape and extent of the occulter remains uncertain.

been selected to monitor changes in Weigelt B and D,

located 0.′′2 and 0.′′3 respectively to the NNE of η Car,

as their ionization changed between the high-ionization

and low-ionization states by direct radiation from η Car-

B. The Weigelt B clump is no longer detected.

The white rectangle in the enlargement within Fig-

ure 1 outlines the position of the 0.′′2×0.′′3 aperture cen-

tered on η Car for the HST/STIS echelle spectro-image

recorded at φ = 11.037, a portion of which is displayed

in Figure 5, top. The cyan rectangle shows the position

for the spectro-image recorded at φ = 11.119 (Figure 5,

bottom), offset 0.′′1 NNW from η Car, which placed the

star at the edge of the aperture and allowed sampling

the changes in front of Weigelt B and D during the early

recovery to high-ionization state.

A sketch, displayed in Figure 2, relates the locations

in the LOS from η Car of the two major shell com-

plexes, the Homunculus (−513 km s−1) and the Lit-

tle Homunculus (−146 km s−1). Gull et al. (2006)

found many fainter velocity components in absorption

lines of singly-ionized metals clustering around these two

strongly-defined velocities in NUV (HST/STIS E230H

spectra) recorded between 2000 and 2004. The dis-

sipating occulter, of unknown geometry sketched as a

grey rectangle, led to weakening or disappearance of ab-

sorptions at all velocities. In FUV spectra (HST/STIS

G230MB) recorded from 2018 to 2019, the weakened

−513 km s−1 and very weak −146 km s−1 velocity com-

ponents remain.

3. OBSERVATIONS

This study was motivated by the desire to under-

stand what was changing within the Homunculus, given

the noticeable increase in flux in the FUV (Gull et al.

2020) and whether archived spectra could provide struc-

ture and location of the occulter. Multiple spectra had

been recorded of η Car and the Homunculus by var-

ious programs with the HST/STIS beginning in early

1998 extending through 2021. We examined each of the

spatially-resolved spectra looking for evidence of absorp-

tion signatures from the multiple shells catalogued in the

LOS by Gull et al. (2006) and changes thereof with time.
Of the hundreds of HST/STIS spectra recorded of η Car,

we list in Table 1 the spectro-images that showed the

most informative spatial and/or velocity changes in ab-

sorption from high- to low-ionization state and/or across

the long term, nearly two decades of time. Spectro-

images at the same position angle, or its 180 ◦ compli-

ment, were required.

The scattered starlight drops an order of magnitude

within a few arcseconds of η Car. While in early obser-

vations the full spectral range of the CCD was sampled

from 1713 Å to 10,000 Å, the useful spectral absorption

signatures of the intervening shells proved to be from

singly-ionized metal lines in the 2500 to 2800 Å spec-

tral interval. The strongest, best defined absorptions

originated from resonant or near-resonant energy levels.

The STIS 52′′×0.′′1 aperture sampled extended struc-

ture centered on η Car, whose characteristics change
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Table 1. Log of HST/STIS observations used in this study

Date HST Program φ a Aperture Gratings PAb Central Wavelength

2000-03-20 8327 10.404 52′′×0.′′1 G230MB +332◦ 2557Å, 2697Å

2003-09-21 8327 11.037 0.′′3×0.′′2 E230H +154◦ 2762Å

2003-09-22 9973 11.037 52′′×0.′′1 G230MB +153◦ 2557Å

2004-03-06 9973 11.119 0.′′2×0.′′2 E230H +333◦ 2762Å

2018-04-21 15067 13.641 52×0.′′1 G230MB +333◦ 2557Å, 2697Å

2019-06-10 15611 13.886 0.′′2×0.′′2 E140H +82◦ 1234Å, 1416Å, 1598Å
a φ refers to the binary orbital phase plus spectroscopic cycle based upon both the disappearance of He II emission and the
X-ray drop with periastron passage numbered 13 occurring on JD 2456874.4 ± 1.3 days and orbital period of 2022.7 ± 0.3
days (Teodoro et al. 2016). While in general agreement on the period, observations and models do not concur on the actual

periastron event which is thought to be several days earlier than this reference date. The periastron number refers to the
convention established by Groh & Damineli (2004) based upon spectroscopically detected periastrons beginning in February

1948.
b The position angle of the aperture (PA). Note that some observations were recorded at or near the complementary PA =

152◦. Where necessary the spectro-image was mirror-imaged in figures to match spatial position.

rapidly with position angle. Fortunately a series of ob-

servations was systematically centered on η Car at po-

sition angles near PA = 332◦ or its complement, +152◦,

during the extended high-ionization state and the tran-

sient low-ionization state associated with the binary pe-

riastron passage. The CCD pixels sampled at 0.′′05 inter-

vals, which was an adequate match with the 0.′′1 width of

the aperture. The nominal spectral resolving power was

R = λ/δλ = 8,000. Spectro-images recorded along the

central portions of the aperture are presented in Figures

3, 4, A.1 and A.2.

Higher spectral and spatial resolutions were ob-

tained with the STIS echelle modes at resolving power,

R = 110,000, using the 0.′′3×0.′′2 aperture (reductions of

which are not supported by STScI), in combination with

the E230H grating mode. The NUV Multi Anode Multi

Array (MAMA) echelle data were processed by STIS sci-

ence team software at a spatial resolution of 0.′′075 sam-

pled at intervals of 0.′′0125 along the projected width
of the aperture resulting in spatially-resolved imagery

displayed in Figure 5. Line-by-line spectral extractions

were accomplished using STIS science team tools which

enabled spatially-resolved spectra of specific structures

as imaged through the aperture.

4. ABSORPTION CHANGES WITHIN THE

HOMUNCULUS AND THE LITTLE

HOMUNCULUS

In this section, we highlight changes in high velocity

absorptions (> 100 km s−1) that occur within the the

spatially-extended Homunculus foreground lobe due to

FUV-induced ionization. Section 4.1 describes changes

brought on by the transient decrease of FUV radiation

from the high-ionization state across cycle 10 to the low-

ionization state at the beginning of cycle 11 when the

FUV radiation from the secondary star is briefly ab-

sorbed by the extended primary wind. In Section 4.2, we

describe the strong decrease and velocity-narrowing of

absorptions between the high-ionization states of cycles

10 and 13 triggered by the long-term ten-fold increase

in FUV radiation. Much stronger absorption complexes

exist in the 2000 to 2200Å spectral region but satura-

tion, along with increased crowding of absorption lines,

provided limited information on spatial variations with

time.

In the following two subsections, we discuss the mul-

tiple changes using two isolated metal absorption lines

(Table 2).

• The Mn II λ2577 line, which originates from the

ground state (0 eV), is representative of resonant

metal lines found in or near the spectral interval

from λλ2570 to 2610 (see Figure A.1 and Table

A.1).

• The Fe II λ2757 line, which originates from an en-
ergy level 1.0 eV above the ground state, is repre-

sentative of metal lines found in or near the spec-

tral interval from λλ2730 to 2760 (see Figure A.2

and Table A.1).

The behavior of resonant and near-resonant absorp-

tion lines, while similar, is sufficiently different to re-

veal changes in ionization and excitation in the multi-

ple velocity-defined shells originally catalogued by Gull

et al. (2006). Of the thirty-six velocity-defined shells

identified in the LOS, most velocities clustered around

−146 km s−1 and −513 km s−1 with velocity separations

averaging 12 to 15 km s−1. The velocity resolution of

the longslit spectra using the STIS G230MB is about 40

km s−1 in this spectral interval, which is insufficent to

resolve individual velocity components. Only the echelle

spectro-images, that provided 3 km s−1 resolution in the
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Table 2. Identified lines of interest

Figure 3 and 4 lines

Ion Wavelength Energy Lower

Levels Energy

Mn II 2576.88 4s a7S3 – 4p z7P4 0 eV

Fe II 2756.55 4s a4D7/2 – 4p z4F9/2 1.0 eV

Figure 5 line

Ion Wavelength Energy Lower

Levels Energy

Fe II 2728.35 4s a4D5/2 – 4p z4D3/2 1.0 eV

Figure 6 lines

Ion Wavelength Energy Lower

Levels Energy

Mg I 2852.96 3s2 1S0 – 3s3p 1P1 0.0 eV

Fe II 2756.55 4s a4D7/2 – 4p z4F9/2 1.0 eV

Cr II 2844.08 4s a6D7/2 – 4p z6F9/2 1.5 eV

Figure 9 lines

Ion Wavelength Energy Lower

Levels Energy

Si II 1309.276 3s23p 2P3/2 – 3s3p2 2S1/2 0.04 eV

C IV 1550.772 2s 2S1/2 – 2p 2S1/2 0 eV

Table 2. Strong absorption lines of interest.

LOS from η Car, separated the individual components

(see Section 4.3). The CCD spectro-images only prove

that the multiple, faint velocity components are present

or absent.

4.1. Absorption changes from high- to low-ionization

state

Absorptions by singly-ionized metals increase from

high- to low-ionization state due to the drop in EUV and

FUV radiation when the EUV-dominating secondary

briefly plunges into the extended primary wind. NUV

spectro-images, as displayed in Figure 3, qualitatively

show increase in nebular absorption from φ = 10.404,

deep in the high-ionization state, to φ = 11.037, deep in

the low-ionization state.

Fluxes in the spectro-images in Figure 3 are displayed

with a matched log(flux) scale to emphasize the changes

in absorption. However the nebular continuum, which

apparently scatters from dust on the far side of η Car, is

very bright across the central arc-second, then drops by

an order of magnitude beyond this region. The edge of

the foreground Homunculus lobe ends approximately 1′′

NNW of η Car. The polar cap is about 4′′ SE of η Car,

while the aperture is oriented from NNW to SSE.

Most resonant absorption lines include a component

from a thermally cold, foreground cloud near 0 km s−1

which is marked by the vertical dashed lines in Figure

3. An additional absorption velocity, +87 km s−1, also

is present as identified by Walborn et al. (2002) in the

Carina Nebula and more recently in Na D λ5898 by

Pickett et al. (2022).

A broad absorption feature extends from ≈ −550

km s−1 at the bottom of each spectro-image (SSE to-

wards the cap of the Homunculus foreground lobe),

shifts to −500 km s−1 at the position of η Car, broadens

while shifting to much lower velocities towards the ap-

parent edge of the foreground lobe (≈ 1′′ NNW of η Car),

then loops towards 0 km s−1. A second, broad absorp-

tion component begins at the bottom of the spectro-

images near −160 km s−1, shifts slightly to −150 km s−1

at the position of η Car then shifts toward 0 km s−1

at the edge of the foreground lobe. The strengths of

the broad Homunculus −500 km s−1 and the Little Ho-

munculus −150 km s−1 absorptions increase from the

high-ionization state, φ = 10.404 (Figure 3a) to the low-

ionization state, φ = 11.037 (Figure 3b). Changes in the

absorptions originating from levels near 1 eV are repre-

sented by the Fe II λ2757 velocity profiles (Figure 3c,

d).

Gull et al. (2006) measured kinetic temperatures of

the −512 km s−1 component of the Homunculus (760

K) and the −146 km s−1 component of the Little Ho-

munculus (6370 K) during the cycle 10 high-ionization

state. In response to the drop in FUV radiation across

the periastron event, the Little Homunculus kinetic tem-

perature dropped to 5000 K. The kinetic temperature

of the Homunculus did not change, but most of the

H2 absorptions, driven by FUV excitation, disappeared

across the low-ionization state. Note that the lower-

velocity absorptions have higher kinetic temperatures

(Little Homunculus) than the high higher-velocity ab-

sorptions (Homunculus) which is consistent with the

faster moving shells being more distant from η Car.

The Homunculus absorption profiles for Fe II λ2757

(Figure 3c, d) are similar to that of Mn II λ2577 (Fig-

ure 3a, b) but shallower for both the high- and low-

ionization states. Much more substructure within in-

dividual shells (so called as the structures, somewhat

clumpy in nature, appear to define individual surfaces,

each with a characteristic velocity within the Homuncu-

lus) is noticeable, suggesting that each shell is affected

by small variations in velocity, clumpiness and excita-
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Figure 3. Phase-dependent changes from high- to low-ionization state of spatially-varying absorption by foreground ejecta.
Left : Sketch of the absorption structures between the two states. Velocities are referenced to the ISM ≈ 0 km s−1. Middle :
Changes occur in Mn II λ2577 line, which originates from the ground state, 0.0 eV, in the short term between (a) the high
ionization state at φ = 10.404 and (b) the low-ionization state at φ = 11.037. Right : Changes occur in Fe II λ2757 line which
originates from a level 1.0 eV above the ground state: (c) φ = 10.404, (d) φ = 11.037. The dashed line in each spectro-image
represents 0 km s−1. The sketch includes labeling of the projected Homunculus edge, located ≈1.′′3 NNW of η Car and the
ridge of backscattered starlight which is discussed in section 5.2. The spectro-images at φ =11.037, recorded at PA = 152◦, are
mirror-imaged in this figure for comparison with the spectro-images at φ = 10.404, recorded at PA=332◦.

tion. The low-ionization state, φ = 11.037 (Figure 3d),

shows changes in structure, notably stronger absorptions

shift to the red relative to the −200 to −500 km s−1

absorption just NNW of η Car. The changes in struc-

ture appear to be continuous, not abrupt, across the

position of η Car, indicating extended structures, most

likely shells, not individual clumps.

Changing absorption profiles for additional resonant

and near-resonant absorption lines are shown in Ap-

pendix A.

4.2. Absorption changes across the long term

Nebular absorptions decreased greatly between the

high-ionization states of cycles 10 and 13 in response to

the large increase of FUV radiation (Figure 4). On the

spectrum of η Car, the broad absorptions centered on

−500 km s−1 (Homunculus) narrowed to an apparently

single absorption near −500 km s−1 while the weaker ab-

sorption centered on −150 km s−1 (Little Homunculus)

nearly disappeared. The large decrease in absorption

extended to the SSE (towards higher latitudes of the

foreground Homunculus lobe), but remained broadened,

though weaker beginning about 0.′′3 NNW of η Car. The

transition from narrow to broad absorption occurred be-

ginning close to the projected position of η Car shifting

towards lower velocities. Relating to the foreground lobe

of the Homunculus, the absorptions dropped towards the

cap while lesser changes occurred toward the projected

edge of the lobe, about 1′′ to the NNW.

The measured stellar FUV radiation impinging on

these structures increased nearly ten-fold between 2000

and 2018 which led to increased ionization (Gull et al.

2021) while the measured stellar NUV radiation in-

creased about six-fold. In contrast, the nebular NUV

continuum changed marginally which is consistent with

the radiation increase being due to the dissipation

of the occulter in LOS, not intrinsic brightening of

η Car. Singly-ionized metals dominated during the high-

ionization state of Cycle 10, but the increased FUV (and

EUV) led to most metals becoming multiply-ionized in

the high-ionization state of cycle 13. As a consequence,

metal absorptions from these shells disappeared.

Signatures of resonant and near-resonant transitions

of multiply-ionized metals are deep in the UV, typically

below Ly α. Hence signatures of shells with metals in

higher ionization states became increasingly inaccessible

in the HST/STIS NUV and FUV spectral ranges. The

complex, multiple shells in the LOS from the Homuncu-

lus and the Little Homunculus virtually disappeared by

φ = 13.641, were nearly absent at the position of η Car

but appeared to be less affected in the lobe walls.

The noticeably smaller change in absorptions to the

NNW is not surprising given that the walls of the fore-

ground lobe appear to be optically thicker. In part

this is because the walls curve towards the edge of the

foreground lobe. Additionally, the butterfly boundary,

a structure in the disk region located close to η Car,
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Figure 4. Long-term, ∼18 years interval, changes of spatially-varying absorption by foreground ejecta between the high-
ionization states of Cycles 10 and 13. Left : Sketch of the absorption structures and how they change over the long term.
Middle : Strong changes occur in the resonant Mn II λ2577 line between (a) the high ionization state at φ = 10.404 and (b)
the high ionization state at φ = 13.641. Right : Similar changes occur in Fe II λ2757 line which originates above the ground
state (1 eV) (c) φ = 10.404, and (d) φ = 13.641. The dashed line represents 0 km s−1, which is present from an IS cloud in
Mn II but not in Fe II. The sketch includes labeling of the projected Homunculus edge, located ≈1.′′3 NNW of η Car and the
ridge of backscattered starlight which is discussed in section 5.2. Broad absorptions from multiple shells in the Homunculus,
centered on −500 km s−1, and the Little Homunculus, centered on −150 km s−1, are readily apparent in the high-ionization
state (φ = 10.404) but weaken and narrow by three cycles later (φ = 13.641). Multiple spectro-images recorded across cycle
10 at these same PAs showed few changes in structure across the long high-ionization state. While both observations were
accomplished at the same PA = 332, the ensuing eighteen years between exposures led to a six-fold increase in stellar flux that
further contributed an artificial flux from charge transfer effects (CTE) in the extended region below −0.7′′ at φ = 13.641 for b
and d.

extends from the NW across the projected position of

η Car (Chesneau et al. 2005).

These longslit CCD spectra confirm that the decrease

in absorption extends over significant angular and spa-

tial distances across the foreground lobe of the Ho-

munculus but do not provide information on how much

more of the foreground lobe is affected. Nor do these

spectro-images provide information about changes in the

back lobes or the skirt region. Infrared and radio ob-

servations will be necessary to determine if additional

regions of the Homunculus and interior structures are

changing with time.

Changes of absorption across the long term for ad-

ditional resonant and near-resonant lines are shown in

Appendix A.

4.3. Zooming in with STIS echelle spectro-images

The HST/STIS achieves its best angular resolution

in the NUV, FWHM = 0.′′075, measured directly from

the echelle spectro-images presented in Figure 5. The

0.′′3×0.′′2 aperture, in combination with the E230H grat-

ing formats, resolves a portion of the winds and nebular

components at a spectral resolving power, R = 110,000,

for the stellar spectrum. The nebular structure fills the

full 0.′′2 width of the 0.′′3×0.′′2 aperture, and this leads to

a lower nebular resolving power, R≈35,000. Hence, the

various absorption components are less-well resolved in

the nebular portions of the spectro-image than on the

stellar spectrum.

Despite the relatively small aperture, the spectro-

image fits well within the spacing of NUV echelle orders

on the format of the NUV MAMA allowing for proper

detector background measures. This aperture provides

some spatial information on changes in velocity struc-

ture close to the central star at high spectral resolving

power.

Multiple narrow absorption lines are seen in the NUV

echelle spectro-images of η Car. Figure 5 displays

the spatially- and spectrally-resolved velocity profiles

of Fe II λ2728 from two echelle spectro-images, one

recorded during the low-ionization and the other dur-

ing the early high-ionization states of Cycle 11. Super-

imposed upon broad wind-absorption components are

many narrow components, originating from the multi-

ple velocity-differentiated shells in LOS previously cata-

logued by Gull et al. (2006). The broad absorptions, as-

sociated with colliding wind structures, extend beyond

the continuum core of η Car (≈ 0.′′075), the apparent
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SSE

SSE

NNW

NNW

Figure 5. Phase-dependent changes from low- to high-ionization state recorded in echelle spectro-images of Fe II λ2728
absorption structures: Top: η Car was centered in the 0.′′3×0.′′2 aperture deep in the low-ionization state (φ = 11.037). Broad,
high-velocity absorption from the interacting winds shifts from ≈ −450 km s−1 SSE (−0.′′15) to −550 km s−1 centered upon
η Car and back to −450 km s−1 NNW (+0.′′15), indicating that the Fe+ wind structure is resolved and extends at least a few
hundred au beyond the continuum core. A narrow absorption, centered at −146 km s−1 on the star broadens in the NNW
as a continuous, shallow absorption extending to −35 km s−1 terminated by an emission feature originating from Weigelt B.
Bottom: A spectro-image recorded at φ = 11.119, when η Car had returned to high-ionization state. η Car was positioned
at the edge of the aperture in an effort to map structures of Weigelt B and D and the intervening winds. The broad, shallow
absorption extends NNW in front of Weigelt D.

size of which is limited by the angular resolution of HST,

most likely which is not the actual size of the continuum

core in the NUV3.

The spectro-image, displayed in Figure 5 Top, was

recorded deep in the low-ionization state, φ = 11.037,

within a day of the lower resolution spectro-images dis-

played in Figures 3b, d. The broad absorptions, as-

sociated with the interacting winds, resolved from the

continuum core of η Car, extend at least 0.′′15 beyond

on both sides, shifting from approximately −450 km s−1

from the SSE to −550 km s−1 on the star back to −450

km s−1 to the NNW. Multiple narrow absorption fea-

tures are superimposed upon the point-like stellar con-

tinuum, but, due to the 0.′′2 width of the 0.′′3×0.′′2 aper-

ture, are broadened as the nebular continuum fills the

aperture height (0.′′2) limiting the resolving power, R, to

35,000.

3 Weigelt et al. (2021) used the Very Large Telescope Interferom-
eter to resolve the continuum structure in the mid-infrared to
be 0.′′0028 fwhm and imaged wind structures in the light of H I

Brα that extend ≈0.′′026 around η Car. CMFGEN models indi-
cate that the NUV continuum structure of η Car-A is likely more
extended than in the infrared.

The spectro-image, displayed in Figure 5, Bottom, was

recorded in the early high-ionization state, φ = 11.119

(within one day of the lower resolution spectro-images

displayed in Figures 4a, c) with η Car placed at the

edge of the aperture in order to record the spectrum of

Weigelt D located to the NNW of the star. The broad

interacting wind absorption is much weaker, permitting

improved visibility of the multiple narrow, nebular ab-

sorption features in the LOS from η Car.

4.3.1. High velocity absorptions seen in the echelle
spectro-images

Comparisons of the two spectro-images affirm changes

of the stellar and nebular spectra between the low- and

high-ionization states. The multiple, narrow-velocity

shell absorptions, visible on the high-ionization stellar

spectrum, are lost in the very strong, broad wind absorp-

tion during the low-ionization phase. Both narrow ab-

sorption complexes centered on −500 and −150 km s−1

are affected.

More insight on the excitation changes between high

and low-ionization states comes from examining three

absorption line profiles (Figure 6) that rise from different

energy levels: Mg I λ2853 (0.0 eV) , Fe II λ2757 (1.0 eV)

and Cr II λ2844 (1.5 eV). These velocity profiles were
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Figure 6. Velocity profiles of three absorption lines that originate from significantly different energy levels during the low-
ionization state, φ = 11.037 (left column) and the early high-ionization state φ = 11.119 (right column). The Mg I λ2853 line
(0.0 eV) (top row) traces changes in multiple shells where neutral gas existed. The Fe II λ2757 line (1.0 eV) (middle row) is
saturated at most shell velocities as singly-ionized metals dominate across the multiple shells. The Cr II λ2844 line (1.5 eV)
(bottom row) is dominated by the P Cygni wind profile with strong absorption by shells with velocities between −120 and −190
km s−1, but with only a few high velocity shells absorbing in the high-ionization state. The velocity profiles are (1) Eta Car, on
the star, (2) NNW which includes portions of the emission structure, Weigelt D, plus modified scattered starlight to the NNW
and (3) SSE which is modifled scattered starlight. No nebular spectrum SSE of η Car was recorded in the echelle spectro-image
recorded at φ = 11.119. Note: The vertical scale on the left and right plots are different – during periastron passage the NUV
flux decreases, most likely a consequence of increased line blanketing by the primary wind.
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extracted from the same HST/STIS echelle spectra that

provided the spectro-images in Figure 5.

The extracted velocity profiles are:

• The spectrum of η Car extracted with a 0.′′075-

wide synthetic aperture for both echelle spectro-

images.

• The nebular spectrum, labeled SSE, was extracted

with a 0.′′100-wide synthetic aperture from the

echelle spectro-image recorded at φ = 11.037, off-

set 0.′′100 SSE from η Car, centered in the 0.′′3×0.′′2

aperture. No nebular spectrum to the SSE was

recorded at φ = 11.119.

• The nebular spectrum, labeled NNW was ex-

tracted differently from the two spectro-images.

– For the spectro-image recorded at φ =

11.037, a 0.′′100-wide synthetic aperture, off-

set 0.′′100 NNW from η Car, centered in the

STIS 0.′′3×0.′′2 aperture. This enabled mea-

surement of the nebular spectrum both NNW

and SSE of η Car at φ =11.037.

– For the spectro-image recorded at φ= 11.119,

a 0.′′150-wide synthetic aperture offset 0.′′200

NNW as η Car had been placed close to the

SSE edge of the STIS 0.′′2×0.′′3 aperture.

Velocity profiles are dominated by modified P Cygni

wind-line contributions. Groh et al. (2012a), using

CMFGEN-based models of the binary winds, estimated

the terminal velocity of η Car-A, V∞,A = −420 km s−1.

The wind of η Car-B accelerates the wind-wind collision

structures to higher velocities as is noticeable in velocity

profile of Cr II λ2844 in the low-ionization state (Fig-

ure 6e) compared to the high-ionization state (Figure

6f). The observed V∞ shifts from −420 to −550 km s−1

(Gull et al. 2022).

The Fe II λ2757 line profile (Figures 6c, d) is sat-

urated across most of the range from −120 to −500

km s−1 but the Mg I λ2853 profile in the high-ionization

state (Figure 6b), allowing for the many narrow veloc-

ity components, has the general P Cygni shape. In the

low-ionization state (Figure 6a), the apparent P Cygni

profile appears to exceed −500 km s−1 but may be in-

fluenced by weaker shells.

Narrow Mg I λ2853 absorption structures are read-

ily apparent against the stellar spectrum in both low-

and high-ionization (Figure 6a,b). No high-velocity, nar-

row absorption is obvious in the Cr II λ2844 line during

the low-ionization state but does appear at −512 and

−420 km s−1 during the high-ionization state (Figure

6c, d). Such is consistent with the high-velocity shells

being partially ionized in both ionization states.

Strong absorption components are present between

−100 and −200 km s−1 in all three lines. Mg I, Fe II, and

Cr II, for both ionization states indicating that the ther-

mal excitation is significant in shells closer to the FUV

source, η Car. Always present is the −146 km s−1 com-

ponent which is associated with the Little Homunculus.

In the high-ionization state, the Fe II λ2767 line has a

strong absorption at −121 km s−1 and is saturated from

−140 to −200 km s−1 in the low-ionization state. The

Cr II λ2844 line has a strong −146 km s−1 component

in the high-ionization state, but adds two components,

−121 and −168 km s−1 during the low-ionization state.

The nebular continuum in the low-ionization state, ex-

tracted 0.′′1 SSE of η Car (labelled SSE in Figure 6), re-

flects the stellar continuum with saturated absorptions

in the Fe II λ2757 line from −350 to −500 km s−1 and

relatively narrow absorptions in Mg I λ2853 superim-

posed upon the P Cygni profile.

In contrast, the nebular continuum in the low-

ionization state, extracted NNW of η Car (labelled

’NNW’ in Figure 6) contains strong, broad absorptions

when compared to the more-highly resolved stellar spec-

trum. Nebular line emission components originate from

the background Weigelt D clump, plus broad absorp-

tions extend from −35 to −150 km s−1. The Mg I λ2853

line includes a broad absorption extending from −270

to −370 km s−1, then blends into narrow line absorp-

tions extending to −510 km s−1. The nebular contin-

uum in the high-ionization state (recorded only to the

NNW) again contains the very broad absorptions ex-

tending from −30 to −150 km s−1.

5. WHERE IS THE OCCULTER/ABSORBER

LOCATED?

In section 4, we demonstrated that the high velocity

shells extend across significant areas of the Homunculus

and Little Homunculus. The FUV absorber must have

been much closer to the binary but extended well beyond

our LOS. We turn now to examining spatial structures

very close to η Car plus low velocity absorptions that

provide clues to where the absorber appears to be lo-

cated. In section 5.1 we examine the spatial extent of

recently-formed shells seen in forbidden emission. We

then demonstrate apparent expansion of the structure

which backscatters NUV radiation in our direction (sec-

tion 5.2). Low velocity absorption components seen in

atomic species in the FUV and in molecular species in

the radio are discussed in section 5.3. A sketch of the ap-

parent geometry of the absorber relative to the recently

formed shells is provided in section 5.4.
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5.1. Recently formed compressed shells by the

interacting winds

-1” 0 +1”

0

-1”

+1”

East

North

Figure 7. [Fe II] shell expansion. The displayed image is
a ratio of the [Fe II] λ4815 line recorded at φ = 12.516 and
13.004 to enhance the expanding shells caused by passage of
η Car-B through the extended continuous wind of η Car-A.
The velocity range is 40 km s−1 centered on −60 km s−1.
The three pairs of arrows point to the ends of three shells
found to be expanding outward. These shells do not exist to
the northwest as the secondary wind has contiuously blocked
the primary wind throughout the high-ionization state and
the FUV from η Car-B has ionized iron to higher ionization
states (see Figure 6 in Gull et al. (2016) for additional veloc-
ity frames). The + symbol indicates the position of η Car.

Three emission-line shells were identified in [Fe II]

λ4815 and [Ni II] λ7413 with HST/STIS long-slit map-

pings of the central 2′′×2′′ recorded between 2010

and 2012 (Teodoro et al. 2013). Three-dimensional

cubes (RA, Dec and velocity) had been fabricated from

spectro-images recorded with the HST/STIS 52×0.′′1

aperture positioned at 0.′′05 spacing. These cubes en-

abled two-dimensional, iso-velocity images in forbidden

emission lines. The geometry of these shells formed

nested hemispherical structures extending to the SE of

η Car. These shells had formed from the dense, slow-

moving primary wind compressed by the fast-moving

secondary wind across each of three separate periastron

passages. Accelerated from 420 to 475 km s−1, the com-

pressed shells persist as their thermal velocities are much

less than their expansion velocities. The projected dis-

tances, 400, 900 and 1400 au, as measured at φ =12.680,

are consistent with their origins occurring during the

three periastron passages at the beginnings of cycles 10

through 12.

Gull et al. (2016) extended the mappings in [Fe II]

λ4815 from φ = 12.084 through 13.113 (2009 to 2015)

to track the expansion of these shells across one orbital

cycle. Figure 7, a velocity slice from −40 to −80 km s−1,

shows the difference in contrast by ratioing shell peaks

to shell troughs and thus emphasizes the change in po-

sition across one-half binary orbital cycle. This image

demonstrates that, across cycle 12, the modulated pri-

mary wind extended over the hemispherical volume to

the SE, but not to the NW. The faster, less-dense sec-

ondary wind, over each lengthy, high-ionization state

when η Car-B was beyond the extended wind of η Car-

A, evacuates the NW region with the remaining gas be-

ing highly ionized by the FUV radiation from η Car-B.

The slower, more-massive primary wind had been orga-

nized into shells moving to the SE by the secondary wind

during each of the three previous periastron passages.

5.2. The expanding dust structure behind the binary

A noticeable 1′′ diameter structure, illuminated by

scattered starlight, is centered on η Car (Figures 3,

4). The background scattered starlight drops off at

greater distances, but still records absorption from ex-

tended structures within the Homunculus and Little Ho-

munculus. The spatially-limited echelle spectro-images,

with higher spatial and spectral resolutions (Figure 5),

recorded variations of the extended wind of η Car-A.

Such is possible only if the scattered starlight origi-

nates from dust that lies beyond η Car and is back-,

not forward-, scattered. The dusty structure that scat-

ters the starlight lies beyond η Car and likely is very

slow-moving ejecta originating with one or both of the

historical events.

This scatterer appears to be expanding, most notably

to the SSE. A well-defined ridge of scattered-starlight,

located 0.′′5 SSE of η Car in Figure 4, shifted outward

between 2000 (φ = 10.404) and 2018 (φ = 13.641),

when the spectro-images were recorded. Spatial slices

of the spectral images are compared in Figure 8. Mea-

surements of the SSE ridge position, done with four

spectro-images extending from 2540 to 2850Å and 3900

to 3950Å, showed this ridge shifted outward 0.′′063 over

the eighteen year interval. The edge of the scattered-

light structure to the NNW was also measured, yield-

ing a shift of 0.′′047 over the eighteen year time-interval.

Adopting the accepted distance of η Car, 2300 pc, yields

expansion velocities of 39 ± 3 km s−1 to the SSE and

and 28 ± 3 km s−1 to the NNW, which is compara-

ble to the radial velocity of the Weigelt clumps (−45

km s−1, Zethson (2001)). Additional structures at 1 to
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2′′ distance from η Car, associable with the Little Ho-

munculus, are likewise seen to be moving outward, but

are less well defined.

However, charge transfer inefficiency (CTI), caused by

accumulating radiation damage to the CCD, artificially

impacts the measured nebular expansions. The CTI ef-

fect increased over the eighteen year interval and the

NUV brightness of η Car also increased. The ridge to

the SSE is easily identified, as well as fainter structures

in the Homunculus and the Little Homunculus that also

expanded. The apparent expansion to the NNE of the

scatterer is less well-defined. Hence the apparent expan-

sion to the NNW must be considered an upper limit, not

a true measure. Indeed, the [Fe II] shells as shown in

Figure 7 strongly suggest that the secondary wind and

ionizing flux of η Car-B may limit the expansion of the

background dusty structure to the NW.

5.3. Low velocities associated with the absorber

The infrared flux of η Car, summarized by Mehner

et al. (2019), has not changed substantially over the past

half century, which is consistent with minimal changes

of the binary properties over that period of time. Stable

wind properties over the past fifty years should have pro-

duced more than the three shells seen in [Fe II] (Teodoro

et al. 2013; Gull et al. 2016) located at greater distances,

analogous to the multiple, regularly-spaced shells re-

cently detected in dust emission and forbidden radiation

surround WR140 (Lau et al. 2022). While the ionizing

radiation leading to Fe+ may be depleted, singly ionized

iron absorption is traceable within the Little Homuncu-

lus and Homunculus, well beyond these shells. Instead,

the massive, slow-moving occulter/absorber has been

continuously stopping and absorbing previous shells in

the form of shocks.

Based upon the expansion velocity of the three shells,

the extended structures associated with the occulter

could be located just beyond the outermost shell seen

by Teodoro et al. (2013), i.e. just beyond 1400 au radial

distance from η Car. We therefore searched for velocity

signatures in the spectrum of η Car that are consistent

with a structure ejected in the 1840s or 1890s that ex-

ceeds that distance.

The occulter in front of the binary could be a clump

of similar nature as the Weigelt clumps, B, C and D

(Weigelt & Ebersberger 1986) and additional clumps

seen in the infrared Butterfly nebula (Chesneau et al.

2005) and likewise clumps seen in [Fe II] (Gull et al.

2016). Adaptive optics imaging in [Fe II] λ1.644µ of

multiple structures within projected distances of 4000

au from η Car provided epochal origins that ranged from

the early 1830s to the late 1910s, being consistent with

the Great and Lesser Eruptions (Artigau et al. 2011).

While current telescopes and instrumentation are un-

able to separate extended structure in front of the much

brighter η Car, most likely the occulting structure was

ejected in this time interval.

Such an occulter scenario seems likely because Zeth-

son (2001) measured the radial velocity of Weigelt B and

D to be −45 ± 4 km s−1. Similar low radial velocities

have been measured in front of the binary at radio wave-

lengths and in the UV using HST/STIS echelle spectra,

as discussed in the next two paragraphs.

Chesneau et al. (2005) obtained NIR imagery of η Car

and structures within the central region with 0.′′1 angu-

lar resolution that showed structure around η Car ex-

tending about 0.′′5 to the NW across the position of

η Car and about 0.′′2 to the SE (see their Figure 5). The

Weigelt clumps C and D, located 0.′′1 to 0.′′3 to the NW,

are directly ionized by the FUV of η Car. They appear

to be surface blisters of the dusty, extended structure

mapped by Chesneau et al. (2005) as noted by Teodoro

et al. (2020).

Bordiu & Rizzo (2019) mapped the central region at

345.8 GHz with ALMA with 0.′′2 angular resolution that

confirmed continuum emission extending from η Car to

the NW (see their Figure 2). They detected line absorp-

tion in HCN and H13CN against the continuum from

η Car at Vlsr = −60 km s−1 (Vhelio = −49 km s−1).

The central 2′′×2′′ region was mapped in [Fe II] λ4816

with R= λ/δλ = 10,000 and 0.′′1 angular resolution (Gull

et al. 2016). Their Figure 3, which shows changes across

one binary orbital cycle, shows a bright emission struc-

ture to the NW that includes Weigelt C and D. Re-

examination of this data demonstrated that this narrow-

line emission structure extends to within 0.′′1 of η Car,

but is not present to the SE. The slowly varying central

velocity terminates close to η Car at −49 ± 4 km s−1,

the velocity of the molecular absorptions published by

Bordiu & Rizzo (2019). Weigelt & Kraus (2012) found

the origin of the Weigelt clumps to be consistent with

the 1890s event.

Smith (2004) measured the system velocity of the Ho-

munculus to be Vhelio = −8.1 ± 1 km s−1. Nielsen et al.

(2007) adopted that velocity for the binary system veloc-

ity, finding consistency while deriving the binary orbital

parameters. If we assume this to be the central veloc-

ity of the binary, the expansion velocity, −41 km s−1,

originating from the 1890s event with no intervening ma-

terial, translates to 1000 au. For comparison, Teodoro

et al. (2013) found the outermost shells to be 0.′′8 (1850

au) distant from η Car, but also noted that the shells

appeared to been moderately accelerated. The system

velocity of the binary could be slightly different. We
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Figure 8. Comparison of the spatial profiles for spectroimages recorded at φ = 10.404 and φ = 13.641 ((see Figure 4). Left:
Cross section showing the shifts of the SSE ridge at −0.′′5 and the NNW edge at +0.′′5. Expansion is notable of the ridge and
valley to SSE and possibly the edge to the NNW. Right: η Car profiles. While the stellar flux in the NUV increased six-fold
between 2000 and 2018, the measured FWHM was 0.′′11 for both stellar profiles. Note that both plots are in flux units, not
normalized.

do not know if the bipolar ejection of the Homunculus

was symmetric for both lobes. The expansion velocity

of the occulter could be significantly (smaller) larger in

the LOS. If the system velocity for the binary were as

much different than 10 km s−1, the distance estimate

ould (decrease) increase to a (750 au) 1250 au.

Additional searches were done for similar absorption

velocities in the HST/STIS UV echelle spectra recorded

in both high- and low-ionization states (Table 1). Two

low-velocity absorption profiles were measured in Si II

λ1309 and C IV λ1551 (Figure 9). The two strongest

absorptions in Si II, −32 and −18 km s−1, presumably

are from slower, singly-ionized structures, which is to

be expected as many weaker analogues of the Weigelt

clumps were found at similar velocities in the central 1′′

diameter region in [Fe II] λ4815 (Gull et al. 2016). A

relatively weak absorption is present at −50 km s−1.
A very strong velocity component is present in

C IV λ1551 centered at −40 km s−1, extending from

−100 to +20 km s−1 (Note that this C IV resonant line

is the red member of the well-known doublet. Absorp-

tion at this velocity from the shorter wavelength mem-

ber, λ1548, is masked by the strong, wind-wind, blue-

shifted component of λ1551). Both Si IV λλ1304, 1403

velocity profiles (not shown) are completely saturated

between −60 and −20 km s−1 which reinforces the pres-

ence of the −50 km s−1 gas somewhere in the LOS.

The strengths of these absorption profiles changed little

from high-ionization to low-ionization states across both

periastron passages, 10/11 and 13/14, despite the con-

siderable change in FUV flux. The strong C IV λ1549 is

suggestive of a shock which could be evidence of ongoing

shell collisions with the occulting structure. This low-

velocity profile of C IV persisted across all FUV spectra

recorded by the STIS across Cycles 10/11 and 13/14.

If mappings continued across cycles 13 and 14, we sug-

gest that the outermost shell would have continuously

disappeared, having collided with the occulter/absorber

with a new shell forming close to η Car. However,

with the disappearance of the occulter, would that be

evidence that the absorber has completely dissipated?

Only followup observations would tell. High spatial res-

olution studies of molecular and ionic species in the ra-

dio spectrum may provide additional insight along with

future UV/visible studies.

We conclude that the occulter is 1000 au from η Car

with a lower limit of 500 au to 2000 au.

5.4. The geometry of the absorber

A schematic of the extended occulter structures close

to η Car is presented in Figure 10. The three recently-

formed shells, as mapped in 2012, lie closest to η Car

with the occulter just external to the outermost shell.

Under the scenario presented above, by 2022, two more

shells would have formed while the two outermost shells

have been destroyed by collision with, and absorption

by, the occulter. At any given time three shells fill a

volume to the SE somewhat larger than a hemisphere

based upon the expansion imagery noted by Gull et al.

(2016) and the remaining hemisphere to the NW with

high ionization by the FUV flux from η Car-B.

The occulter partially obscures our LOS from η Car.

Hillier et al. (2006) noted that the equivalent width of

Hα in the direct stellar spectra, recorded in the early

2000s, was twice that predicted by CMFGEN models

(Hillier et al. 2006). They explained that the absorber

occulted the central core (where the continuum origi-
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Figure 9. Low velocity absorptions attributable to the oc-
culter. Top: Si II λ1309 velocity profile. Two strong absorp-
tions centered at −18 and −32 km s−1 with two weaker com-
ponents at −50 and +1 kms (foreground cloud). Bottom:
C IV λ1551 velocity profile with a strong absorption entered
at −39 km s−1 and extending from −20 to −70 km s−1.
Observation recorded at φ = 13.886.

nates) more than it did of the primary wind. Indeed over

the past two decades, the equivalent width of Hα has

decreased, trending towards the value seen in scattered
starlight from portions of the Homunculus (Damineli

et al. 2021). Direct imagery with the HST/Faint Ob-

ject Camera (FOC) in the UV (Weigelt et al. 1995) pre-

viously showed the nebulosity surrounding η Car to be

clumpy in nature and also demonstrated the high rela-

tive brightness of the three ejected clumps. This addi-

tionally suggests the existence of an extended, nonuni-

form occulter.

The dusty structure that backscatters light from η Car

is sketched beyond η Car. The periastron passage is in

this general direction and suggests that a large amount

of material may have been ejected during one or both of

the two eruptions. Perhaps radio observations of molec-

ular emissions may provide additional information on

this structure. The broad absorption features to the

NNW in Figures 3 through 4 are suggestive of interac-

tion of the winds with this structure.

Occulter

Shells

Backscatterer

Figure 10. Sketch of the structures in close proximity to the
binary (NOT TO SCALE). The massive primary, η Car-A,
has a very extended wind structure (dark blue) which is mod-
ified by the lesser, but faster, wind of η Car-B. Three shells
of compressed primary wind, seen in [Fe II] λ4815 (Teodoro
et al. 2013) are located beyond the current wind structure of
the binary. The occulter is a structure that extends to one
side of the binary. The occulter blocked one side of the ex-
tended primary wind and strongly blocked the central core,
but with the occulter dissipation, our LOS to the core has
become increasingly transparent. On the far side of η Car a
dusty structure scatters light from the binary back towards
the observer.

5.5. Origin of the occulting structure

The velocities of C IV, −40 km s−1, is close to the

velocity measured in HCN and H13CN, −49 km s−1,

which suggests a related origin, namely the occulting

structure. Moreover these velocities are close to the ve-

locities measured of Weigelt BD, −45 km s−1, by Zeth-

son (2001). Weigelt & Kraus (2012) found the proper

motion of Weigelt D corresponded to an origin of 1880

± 20 years, which is consistent with an origin from the

Lesser Eruption of the 1890s.

The occulting structure must be well within both the

Homunculus and the Little Homunculus as both struc-

tures responded to the long term changes as demon-

strated in Figure 4. Moreover the much slower-moving,

occulting structure, were it ejected in the Great Erup-

tion, would likely have blocked the multiple shells with

velocities exceeding its 50 km s−1 velocity. Indeed the

occulting structure has protected the multiple shells

from the apparently ongoing, interacting winds found

to be expanding at 470 km s−1 (Teodoro et al. 2016).

Only three recently-formed shells were seen in [Fe II]

and [Ni II]. Earlier shells appear to have been blocked

and absorbed by the occulting structure.

An alternative explanation might be that the occulter

was moving tangentially as a knife edge blocking η Car
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across the past half century. However it appears unlikely

that such a structure would uncover η Car and the very

extended region as seen in Figure 4 within the observed

18 year interval. Occam’s razor leads to the simplest

explanation, namely a dissipating occulting structure.

6. CONCLUSIONS

The brightening of η Car over the past two decades

has been attributed to changing properties of the inter-

acting winds. Davidson et al. (2018) claimed that the

mass-loss rate of the primary is decreasing. This con-

tradicts the repeatability of the increase in the depth of

the P Cygni absorption (Damineli et al. 2022). Espinoza

Galeas (2021) pointed out that the X-ray flux measures

at apastron have not changed appreciably nor has the

X-ray light curve changed noticeably in the multiple

periastron passage approaches that have been closely

monitored. Recovery of the post-periastron flux towards

high-ionization state does vary from passage to passage

and is thought to be governed by details of the reform-

ing bowshock structure as it is rebuilt from the clumpy

LBV (primary) wind (Davies et al. 2008). This suggests

further investigation.

Figures 3, 4, A.1 and A.2 demonstrate that a large

portion of both the Homunculus and especially the Lit-

tle Homunculus foreground lobes became more highly

ionized between φ = 10.602 and 13.641. Indeed the ve-

locity signatures of singly-ionized iron, that traced the

structure of the Little Homunculus at φ =10.404, com-

pletely disappeared by φ = 13.641 and the broad ab-

sorptions tracing the Homunculus extending from SSE

of η Car to the position of η Car narrowed to the −512

km s−1 component. The singly-ionized metal lines are

still present to a lesser degree in the nebular spectrum

west of η Car at φ = 13.641 and extend well beyond

the Weigelt clump D. The decline in extinction by the

occulter produced a ten-fold increase in FUV flux and

higher nebular ionization with destruction of H2 at −512

km s−1 in the intervening years from 2004 to 2018.

This study demonstrates that the multiple shells

within the Homunculus and Little Homunculus have

changed in ionization over the past two decades. This

is a direct result of the tenfold increase in FUV radi-

ation noted by Gull et al. (2021, 2022). The studies

by Damineli et al. (2021) and those summarized therein

show that the flux increase is caused by a dissipating

occulter, first suggested by Hillier & Allen (1992).

The long-term increase in the LOS P-Cygni absorp-

tions may seem contradictory to the disappearance of

nebular absorption in the UV. However, the strengths

of the P-Cygni absorptions in the nebular-scattered

starlight, were much stronger three decades ago. The

explanation remains that dust in our LOS was blocking

the continuum-emitting core more so than the much-

more extended primary wind, which is the source of the

P-Cygni profile. As noted by Mehner et al. (2019), all

evidence points to a stable flux from the massive binary

over the past half-century. The apparent increase in

FUV flux, due to the dissipating extinction in our LOS,

led to the ten-fold increase in the FUV and resulted in

higher ionization of nebular shells in the foreground Ho-

munculus lobe and destruction of H2.

The combination of HST/STIS spectro-imagery with

published studies in the visible (Weigelt & Ebersberger

1986), in the infrared (Chesneau et al. 2005) and the

radio (Bordiu & Rizzo 2019) leads to a picture that the

occulter in front of the binary is an extended clump of

similar nature to the Weigelt clumps B, C and D and

fainter clumps seen in the infrared Butterfly nebula.

Destruction of the intervening dust from the occul-

ter in the long term has increased ionization of mul-

tiple shells within the Homunculus from neutral and

singly-ionized metals to multiply-ionized metals. Res-

onant lines for multiply-ionized metals are in the EUV.

More FUV radiation now reaches throughout the Ho-

munculus. Eventually, as the Homunculus continues to

expand, most dust within the Homunculus is likely to be

modified and/or destroyed. With dust destruction, the

scattered light that currently traces the spatial struc-

ture of the Homunculus, will gradually disappear. The

ejecta, as it becomes increasingly diluted, will mix with

the interstellar medium, currently at much larger dis-

tances due to previous winds from η Car driving out the

ISM.

The Homunculus, when the dust is destroyed and the

associated gases multiply-ionized along with continued

shell expansion, will become nearly transparent as likely

has happened with ejecta from the winds of other mas-

sive binaries. η Car and its ejecta, already known as

an astrophysical laboratory, as future observations are

made, will continue to provide insight into the evolution

of ejecta from massive stars.

This study, limited to line absorptions against η Car

and nebular-scattered starlight, has focused on changes

in LOS from η Car and a relatively small area surround-

ing η Car. Changes are obviously occurring throughout

the Homunculus as the UV radiation eats away at the

dust and molecules along with the ongoing expansion.

Future studies, especially in the FUV, become all

the more important. Hopefully the HST/STIS access

will continue through the next decade as monitoring of

changes across the next periastron in 2025 now become

key to confirming the changes seen across periastron pas-

sage 14. Important studies of the entire Homunculus
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are now warranted in the infrared and radio spectral re-

gions. Specifically, radio studies of atomic and molecular

shocks in the close vicinity of η Car should be seriously

considered. And along with ongoing studies, modeling

of the massive binary system and its wind interactions

and its radiation on the expanding ejecta continue to be

needed.
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APPENDIX

A. NEBULAR ABSORPTIONS 2560-2610Å
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Figure A.1. Changes in absorption lines originating from the ground state. Within one orbital cycle strong absorptions in the
high-ionization state (left: φ = 10.404) increase to even stronger absorptions in the low-ionization state (middle: φ = 11.037).
Two broad velocity complexes centered on −500 km s−1and −150 km s−1 at the star position extend from ≈ −550 and −200
km s−1 SSE (below the position of η Car) to near 0 km s−1to the NNW (above the position of η Car). Three orbital cycles
later, the absorptions in the high-ionization state have all but disappeared in the SSE (right, φ = 13.641) caused by the ten-fold
increase in FUV radiation. Only one component, −513 km s−1 associated with the Homunculus, remains SSE (bottom) of
η Car, but a broader component extending from the star position remains to the NNW which demonstrates that the absorption
remains in the walls at lower elevations of the Homunculus foreground lobe. The 0 km s−1 IS absorption lines serve as velocity
reference for each of the shell structures. The leftmost absorption line, Mn II λ2577, is described in more detail and in velocity
space in Figures 3 and 4.

Figures A.1 and A.2 demonstrate that the absorption profiles shown in Figure 3 occur repeatedly in multiple metal

lines in the NUV with details influenced by the physical conditions and the transition probablities of each metal

line. In simplest terms, the ionization state of the shells within the Homunculus are strongly influenced by ionizing

FUV radiation. The absorptions from singly-ionized metals increase across the binary orbit from high-ionization (φ =

10.404) to low-ionization (φ = 11.037) states. The absorptions in the two high-ionization states (φ = 10.404 and

13.641) should be very similar. However the increased FUV radiation has increased the ionization levels of the shells;

the trend of disappearing absorption is general. The strongest lines are listed in Table A.1.

The plots are displayed with the y-axes the same in angular interval for direct comparison, but the x-axes span

different spectral ranges. Many of the Fe II lines extend beyond the continuum background, which terminates at about

1.′′8 NNW, changing from absorption to emission, characteristic of the oft-described P Cygni profile, but in this case

is caused by the spatially-resolved nebular structure.
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Figure A.2. Comparison of changes of Fe II absorption lines originating from the 1.0 eV energy level. As with the ground state
absorbers, the absorption increases between the high-ionization state (left, φ = 10.404) and the low-ionization state (middle, φ =
11.037). The absorptions nearly disappear in the SSE (below the position of η Car), other than the − 513 km s−1 component, in
the high-ionization state three orbital cycles later (right, φ = 13.641). But likewise the broad absorption remains to the NNW
(above the position of η Car) at lower latitudes of the foreground lobe. The right-most absorption line, Fe II λ2757, is presented
in more detail and in velocity space in Figures 3 and 4,

Table A.1. Identified lines of interest

Figure A.1 lines

Ion Wavelength Energy levels Lower Energy

Mn II 2576.88 4s a7S3 – 4p z7P4 0.0 eV

Fe II 2586.65 4s a6D9/2 – 4p z6D7/2 0.0 eV

Fe II 2600.17 4s a6D9/2 – 4p z6D9/2 0.0 eV

Mn II 2594.50 4s a7S3 – 4p z7P3 0.0 eV

Mn II 2606.46 4s a7S3 – 4p z7P2 0.0 eV

Figure A.2 lines

Ion Wavelength Energy levels Lower Energy

Fe II 2740.36 4s a4D7/2 – 4p z4D7/2 1.0 eV

Fe II 2747.30 4s a4D3/2 – 4p z4F5/2 1.1 eV

Fe II 2750.13 4s a4D5/2 – 4p z4F7/2 1.1 eV

Fe II 2756.55 4s a4D7/2 – 4p z4F9/2 1.0 eV
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ABSTRACT

We present a study of the three-dimensional (3D) distribution of interstellar dust derived from stellar extinction observations toward
the Taurus molecular cloud (MC) and its relation with the neutral atomic hydrogen (Hi) emission at 21 cm wavelength and the carbon
monoxide 12CO and 13CO emission in the J = 1→ 0 transition. We used the histogram of oriented gradients (HOG) method to match
the morphology in a 3D reconstruction of the dust density (3D dust) and the distribution of the gas tracers’ emission. The result of the
HOG analysis is a map of the relationship between the distances and radial velocities. The HOG comparison between the 3D dust and
the Hi emission indicates a morphological match at the distance of Taurus but an anti-correlation between the dust density and the Hi
emission, which uncovers a significant amount of cold Hi within the Taurus MC. The HOG between the 3D dust and 12CO reveals a
pattern in radial velocities and distances that is consistent with converging motions of the gas in the Taurus MC, with the near side of
the cloud moving at higher velocities and the far side moving at lower velocities. This convergence of flows is likely triggered by the
large-scale gas compression caused by the interaction of the Local Bubble and the Per-Tau shell, with Taurus lying at the intersection
of the two bubble surfaces.

Key words. ISM: clouds – ISM: structure – ISM: bubbles – ISM: kinematics and dynamics

1. Introduction

Most stars form in a cold, dense, and mostly molecular phase
of the interstellar medium (ISM; see, Ferrière 2001; Klessen
& Glover 2016, for a review). Although there is a significant
amount of diffuse molecular gas in the Milky Way and other
galaxies (see, for example, Roman-Duval et al. 2016; Miville-
Deschênes et al. 2017; Rosolowsky et al. 2021), most of the star
formation appears related to localized dense molecular clouds
(MCs; see, Heyer & Dame 2015; Dobbs et al. 2014; Chevance
et al. 2022, for a review). Thus, insight into the formation and de-
struction of MCs is crucial for understanding the star formation
process and the evolution of galaxies. In this paper, we combined
the atomic and molecular gas emission with the dust 3D distri-
bution in and around the Taurus MC in search of clues about its
formation and current dynamics.

At a distance of around 140 pc (Zucker et al. 2020), Taurus
is one of the nearest and best-studied star-forming regions (see
Kenyon et al. 2008, for a review). It was first discovered as a
series of dark spots and lanes visible against the bright back-
ground of stars just south of the Milky Way’s plane (Barnard
1919; Lynds 1962) and is one of the MCs where the relation be-
tween dust and gas was first studied (Lilley 1955). This region

? Corresponding author, e-mail: juandiegosolerp@gmail.com

does not contain luminous O or B stars but has a rich population
of less-massive pre-main sequence stars, among them T Tauri
variable stars with G, K, or M spectral types (Joy 1945; Kenyon
& Hartmann 1995; Rebull et al. 2010).

The first large-scale and high angular resolution study res-
olution of Taurus in carbon monoxide (CO) emission in the
J = 1→ 0 transition revealed a mass of 2.4× 104 M� in molec-
ular gas, which in combination with the counts of young stars
results in a star formation efficiency between 0.3% and 1.2%
(Goldsmith et al. 2008). Observations of neutral atomic hydro-
gen (Hi) emission toward dark clouds in Taurus reveal the pres-
ence Hi narrow self-absorption (HINSA) features that appear
correlated with the hydroxyl radical (OH) and CO emission,
which suggests that a significant fraction of the Hi is located
in the cold, well-shielded portions of MCs and is mixed with the
molecular gas (Li & Goldsmith 2003; Goldsmith & Li 2005).

Three-dimensional maps of the local dust distribution in 3D
indicate that the Taurus MC sits in the nearest hemisphere of
a near-spherical shell with a diameter of around 160 pc that is
also connected to the Perseus MC, thus called the Per-Tau Shell
(Leike et al. 2020; Bialy et al. 2021). The connection between
the Taurus and Perseus MCs had been suggested since the first
large-scale mapping of the CO emission toward these regions
(Ungerechts & Thaddeus 1987). Still, it was only confirmed with
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the advent of the stellar parallax measurements from ESA’s Gaia
satellite, which along with other observations, enable the map-
ping of dust in 3D (see, for example, Lallement et al. 2018;
Green et al. 2019). The Per-Tau Shell is most likely the result
of stellar and supernova (SN) feedback that swept up the sur-
rounding interstellar medium (ISM), leading to the accumula-
tion of matter that formed the Perseus and Taurus MCs. Using
the observations of the soft X-ray continuum and the 26Al line
emission, Bialy et al. (2021) estimate that the Per-Tau Shell’s
age is between 6 and 22 Myrs.

Recent studies presented in Zucker et al. (2022) reveal that
in addition to touching the near side of the Per-Tau shell, Taurus
lies at the edge of the Local Bubble. The Local Bubble is the
cavity of the low-density, high-temperature plasma surrounded
by a shell of cold, neutral gas and dust in which the Sun lies
(see, for example, Sanders et al. 1977; Cox & Reynolds 1987;
Snowden et al. 2015; Pelgrims et al. 2020). Its expansion was
most likely powered by 15 to 20 SNe that have exploded over the
past 14 Myr (Zucker et al. 2022). Thus, Taurus’s position, nestled
at the intersection of two shells, suggests that it may have formed
by the material gathered in the collision of these two bubbles.

In this paper, we focus on the current dynamics of the Taurus
molecular cloud using new data and a new method. We used the
new 3D dust maps obtained with a hierarchical Bayesian model
based on stellar parallax and extinction observations from Gaia
and other observatories (Leike & Enßlin 2019; Leike et al. 2020).
We employed the new histogram of oriented gradients (HOG;
Soler et al. 2019) method to identify the correlation in the ex-
tended emission from the different tracers. We applied the HOG
method to connect the distribution of the 3D dust map and the
Hi and CO emission toward the Taurus MC. The result is a map
of the relationship between distances and radial velocities that
we used to elucidate the MC dynamics. Radio emission from
the ISM and 3D dust have previously been combined to investi-
gate the ISM in four dimensions (three spatial and one velocity;
Tchernyshyov & Peek 2017), but never at the level of distance
precision we use here, and never before with the HOG.

This manuscript is organized as follows. We present the Hi,
CO, and 3D dust observations in Sec. 2 In Sec. 3, we summa-
rize the main aspects of the astroHOGmethod and introduce the
circular statistical tools used to quantify the correlation between
the observations. Section 4 presents the results of the compari-
son between the gas tracers and the 3D dust model. We present
a discussion of our results and their implication for the under-
standing of the Taurus region and other MCs in Sec. 5. Finally,
we present our conclusions in Sec. 6. We reserve complemen-
tary analysis to a set of appendices. Appendix A presents the
tests performed to evaluate the significance of the HOG results.
Appendix B shows the results of different smoothing procedures
and masking procedures in the computation of the HOG. In
Appendix C, we present the HOG results obtained when apply-
ing column density masks to study the morphological correlation
within the extinction-based boundaries assigned to the Taurus
MC. We present the HOG results obtained when dividing the re-
gion into blocks in Appendix D. Finally, Appendix E presents
the results of the HOG correlation between the gas tracers and
the 3D extinction maps presented in Green et al. (2019).

2. Data

2.1. Carbon monoxide (CO) emission

We used the 100 deg2 survey of the Taurus molecular cloud re-
gion in 12CO and 13CO emission in the J = 1→ 0 transition pre-

sented in Goldsmith et al. (2008). These data were obtained us-
ing the 32-pixel SEQUOIA focal plane array receiver installed
in the 13.7-m Quabbin millimeter-wave telescope of the Five
College Radio Astronomy Observatory (Erickson et al. 1999).
The full width at half maximum (FWHM) beam sizes of the
telescope are 45′′ and 47′′ for the frequencies of 115.271202
and 110.201353 GHz, which correspond to the emission lines
12CO(1→ 0) and 13CO(1→ 0), respectively. Further details of
the data taking, data reduction, and calibration procedures are
presented in Narayanan et al. (2008).

The final emission cubes of both isotopologues are very
close to the Nyquist sampled and are presented in a uniform grid
of 20′′ spacing, with 2069 pixels in right ascension (RA) and
1529 pixels in declination (DEC). In the spectral axis, the data
covers the radial velocity range between −5 and 14.9 km s−1 in
80 spectral channels for 12CO and 76 channels for 13CO, which
correspond to channel widths of 0.26 and 0.27 km s−1. For these
channel widths, the mean root-mean-square antenna tempera-
tures in this data set are 0.28 K and 0.125 K for 12CO and 13CO,
respectively.

2.2. Atomic hydrogen (Hi) emission

We used the publicly-available observations from the Galactic
Arecibo L-Band Feed Array Hi survey (GALFA-Hi) data release
2 (DR2, Peek et al. 2018). This survey covers the Hi emission
from −650 to 650 km s−1, with 0.184 km s−1 channel spacing, 4′
angular resolution, and 150 mK root mean square (rms) noise
per 1 km s−1 velocity channel. The GALFA-Hi DR2 observa-
tions cover the entirety of the sky available from the William E.
Gordon 305 m antenna at Arecibo, from δ=−1◦17′ to +37◦57′
across the whole right ascension (α) range. This data set pro-
vides the highest-resolution map of extended Hi emission toward
Taurus available to date.

We obtained the GALFA-Hi DR2 distributed in FITS-
format cubes in the “narrow” velocity range (v≤188 km s−1).
through the GALFA collaboration website1. We used the Python
spectral-cube and reproject2 packages to arrange these
cubes into a 20′′ grid matching the coverage of the 12CO and
13CO data, but maintaining the native spectral axis with a spec-
tral resolution of 0.184 km s−1. This operation implies oversam-
pling the 4′ beam, but we accounted for this fact using the statis-
tical weights introduced in Sec. 3.

2.3. Dust

2.3.1. 3D dust

We used the 3D dust distribution cube presented in Leike et al.
(2020). This model has a higher spatial resolution than other
state-of-the-art 3D dust reconstructions (for example, Rezaei
Kh. & Kainulainen 2022; Vergely et al. 2022; Dharmawardena
et al. 2023). Since the statistical significance of the HOG analy-
sis depends on the number of independent gradients in the com-
pared images, this advantage is crucial for the study presented in
this paper.

The Leike et al. (2020) dust cube was derived from stellar
distances and integrated extinction estimates from the Starhorse
catalog (Anders et al. 2019), which combined observations
from ESA’s Gaia satellite second data release (DR2; Gaia
Collaboration et al. 2018), NASA’s Wide-field Infrared Survey

1 https://purcell.ssl.berkeley.edu/
2 https://reproject.readthedocs.io
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Fig. 1: The Taurus molecular cloud as seen in carbon monoxide, 12CO(J = 1→ 0) and 13CO(J = 1→ 0) emission from Goldsmith
et al. (2008), neutral atomic hydrogen (Hi) emission from GALFA-Hi DR2 (Peek et al. 2018), volume density of hydrogen nuclei
(nH) across distances derived from the 3D dust reconstruction in Leike et al. (2020), and hydrogen nuclei column density (NH)
derived from the dust optical depth at 353 GHz (τ353) obtained with the Planck observations (Planck Collaboration XI 2014). The
contours correspond to NH = 5× 1021, 8× 1021, and 1.25× 1022 cm−2. The labels in the bottom panel indicate the reference positions
for the most prominent objects in Lynds’ Catalogue of Dark Nebulae (Lynds 1962) and Barnard’s Catalogue of Dark Objects in the
Sky (Barnard 1927).
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Explorer (WISE) mission (Wright et al. 2010), the Two Micron
All Sky Survey (2MASS; Skrutskie et al. 2006), and the
Panoramic Survey Telescope and Rapid Response System (Pan-
STARRS; Kaiser et al. 2002). The dust distribution was recon-
structed using variational inference and Gaussian process regres-
sion (MGVI, Knollmüller & Enßlin 2018; Leike & Enßlin 2019).
This method is focused on modeling the dust distribution in the
vicinity of the Sun, in contrast with other 3D mapping efforts
aimed at reconstructing the distribution of dust in our Galaxy on
large scales to study the structure of our Galaxy, such as its spi-
ral arms (Lallement et al. 2018; Chen et al. 2019; Green et al.
2019).

The final data product from Leike et al. (2020) is a recon-
struction of the G-band opacity per parsec, sx ≡ (∆τG)/(∆L/pc),
within 400 pc from the Sun with a resolution of up to 1 pc along
the line of sight (LOS). Following the procedure described in
Bialy et al. (2021), we converted sx into the total volume den-
sity of hydrogen nuclei nH. We assumed a G-band extinction
per hydrogen nuclei column density AG/NH = 4× 10−22 mag cm2

(Draine 2011), which leads to

n = 880sx cm−3. (1)

We calculated nH along the LOS by placing an observer in
the position of the Sun and tracing radial rays for which we com-
puted sx in 1-pc steps up to 588 pc. We registered the radial nH
distribution in 588 HEALPix (Górski et al. 2005) spheres with
tessellation Nside = 512, which corresponds to pixel angular sizes
θpix = 6.′87. We extracted the observed dust distribution toward
Taurus by making Cartesian projections that match the 20′′ grid
in the 12CO and 13CO data. An example of the resulting maps is
shown in Fig. 1.

2.3.2. Dust column density

We also used the dust optical depth at 353 GHz (τ353) as a proxy
for the total hydrogen nuclei column density (NH). The τ353 map
was derived from the all-sky Planck intensity observations at
353, 545, and 857 GHz, and the IRAS observations at 100 µm,
which were fitted using a modified black body spectrum (Planck
Collaboration XI 2014). Other parameters obtained from this fit
are the temperature and the spectral index of the dust opacity.
The angular resolution of the resulting τ353 is 5′ FWHM.

We scaled from τ353 to NH using the Galactic extinction
measurements toward quasars (Planck Collaboration XI 2014),
which lead to:

τ353/NH = 1.2 × 10−26 cm2. (2)

Variations in dust opacity are present even in the diffuse ISM
and the opacity increases systematically by a factor of two
from the diffuse to the denser ISM (see, for example, Planck
Collaboration XXIV 2011; Martin et al. 2012). However, our re-
sults do not critically depend on this calibration.

3. Methods

3.1. Comparing spectral emission and 3D dust cubes

We correlated the Hi and CO emission across velocity channels
and the 3D dust cube using the histogram of oriented gradients
(HOG) method introduced in Soler et al. (2019). This method is
based on characterizing the emission distribution using the ori-
entation of its gradients. For a pair of intensity maps IA

l and IB
m

in the emission position-position-velocity (PPV) cubes A and B

and velocity channels l and m (or a distance slice in the 3D den-
sity cube), the relative orientation between their gradients is:

θi j,lm = arctan

 (∇IA
i j,l × ∇IB

i j,m) · ẑ

∇IA
i j,l · ∇IB

i j,m

 , (3)

where the i and j indexes run over the pixels in the sky coordi-
nates, which in our case are right ascension (RA) and declination
(DEC), and ∇ is the differential operator that corresponds to the
gradient.

Equation (3) implies that the relative orientation angles are
in the range [−π/2, π/2), thus accounting for the orientation of
the gradients and not their direction. The values of θi j,lm are only
meaningful in regions where both |∇IA

i j,l| and |∇IB
i j,m| are greater

than zero or above thresholds that are estimated according to the
noise properties of the each PPV cube (3D density cube).

We explicitly compute the gradients using Gaussian deriva-
tives by applying the multidimensional Gaussian filter routines
in the filters package of Scipy. The Gaussian derivatives re-
sult from the image’s convolution with the spatial derivative of a
two-dimensional Gaussian function. The width of the Gaussian
determines the area of the vicinity over which the gradient is
calculated. Varying the width of the Gaussian kernel enables the
sampling of different scales and reduces the effect of noise in the
pixels (see, Soler et al. 2013, and references therein).

We synthesize the morphological correlation contained in
θi j,lm by summing over the spatial coordinates, indexes i and j,
using the projected Rayleigh statistic (Jow et al. 2018), which is
defined as

Vlm =

∑
i j wi j,lm cos(2θi j,lm)(∑

i j wi j,lm/2
)1/2 . (4)

The projected Rayleigh statistic (V) is a test of non-uniformity
in a distribution of angles for the specific orientation of interest
θ0 = 0◦ and 90◦, such that V > 0 or V < 0 correspond to cluster-
ing around those two particular angles (Durand & Greenwood
1958). Values of V > 0, which imply that the gradients are mostly
parallel, quantify the significance of the morphological similar-
ity between the two maps IA

l and IB
m. Values of V < 0, which im-

ply that the gradients are mostly perpendicular, are relevant in
magnetic field studies (see, for example, Heyer et al. 2020).

The null hypothesis implied in V is that the angle distribution
is uniform. In the particular case of independent and uniformly
distributed angles and for a large number of samples, values of
V ≈ 1.64 and 2.57 correspond to the rejection of the null hypoth-
esis with a probability of 5% and 0.5%, respectively (Batschelet
1972). Thus, a value of V ≈ 2.87 is roughly equivalent to a 3σ
confidence interval. Similarly to the chi-square test probabili-
ties, V and its corresponding null hypothesis rejection probabil-
ity are reported in the classical circular statistics literature as ta-
bles of “critical values”, for example, in Batschelet (1972), or
computed in the circular statistics packages, such as circstats
in astropy (Astropy Collaboration et al. 2018).

We accounted for the spatial correlations introduced by the
scale of the derivative kernel by choosing the statistical weights
wi j,lm = (δx/∆)2, where δx is the pixel size and ∆ is the derivative
kernel’s FWHM. For pixels where the norm of the gradient is
negligible or can be confused with the signal produced by noise,
we set wi j,lm = 0. If all the gradients in an image pair are negligi-
ble, Eq. 4 has an indeterminate form that is treated numerically
as Not a Number (NaN).

The size of the derivative kernel sets a common spatial scale
for comparing two maps. Thus, we do not smooth the input data
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to the same angular resolution for the HOG computation with
derivative kernels larger than the angular resolution of the beam.
However, smoothing the input data to a coarser angular resolu-
tion increases the signal-to-noise ratio, (S/N), thus increasing
the number of gradients in the HOG computation. In the main
body of this paper, we report the results obtained using the input
data in its native angular resolution and show the results of pre-
smoothing in Appendix B. This selection does not significantly
change the conclusions of our study.

We compared the morphological correlation evaluated by V
with the correlation in the amount of emission or density by cal-
culating the Pearson correlation coefficient, which is defined as

(rPearson)lm =

∑
i j

(
IA
i j,l −

〈
IA
l

〉) (
IB
i j,l −

〈
IB
l

〉)
√∑

i j

(
IA
i j,l −

〈
IA
l

〉)2
√∑

i j

(
IB
i j,l −

〈
IB
l

〉)2
, (5)

where
〈
IA
l

〉
and

〈
IB
l

〉
are the weighted mean values of the maps

introduced in Eq. (3). The Pearson correlation coefficient is a
normalized measurement of the covariance and is a measure of
linear correlation between the two tracers. In contrast to V , it is
sensitive to the amount of emission rather than the spatial distri-
bution of the tracers across the map.

4. Results

4.1. Dust in 2D and 3D

We applied the HOG method to the integrated dust column den-
sity derived from the Planck observations (NH) and the nH dis-
tribution across distance bins using a ∆ = 30′ FWHM derivative
kernel, which corresponds to a scale of approximately 1.2 pc
at the mean distance to Taurus. To evaluate the impact of ran-
dom correlation, we also present the results obtained when flip-
ping the NH map vertically and horizontally. The resulting V and
rPearson are presented in Fig. 2.

The morphological correlation between these two data sets,
as quantified by V , presents maximum values around the dis-
tances usually assigned to the Taurus MC. Most of the dust dis-
tribution roughly beyond 200 pc shows very small V values. The
flipped NH maps produce relatively low values of V with respect
to the peak of the values in the original maps, thus suggesting
that the effect of chance correlation is negligible.

The concentration of high V around the distance of the MC
indicates that most of the integrated NH distribution results from
the contributions from the dust in the Taurus MC with negligible
input from the material in the background, beyond 200 pc. The
V distribution across distances suggests that the morphological
matching obtained with the HOG method provides an alterna-
tive definition of MC distance. This “morphological distance”,
understood as the range of line of sight distances that contribute
the most to the observed morphology, is complementary to the
distance defined using reddening and distances to stars (see, for
example, Green et al. 2014; Schlafly et al. 2014; Zucker et al.
2020).

The Pearson correlation coefficient (rPearson) also shows max-
imum values for the distances around the MC. However, the re-
sults of flipping the NH map indicate that rPearson presents large
values produced by chance correlation. We interpret these re-
sults as indicating that V is less sensitive to chance correlation
than the linear correlation quantified by rPearson.

The increase in the values of rPearson roughly matches with
the increase in the mean density along the line of sight. In con-
trast, V appears to be dominated by the density peak around the

Fig. 2: Top. Mean volume density of hydrogen nuclei (nH) de-
rived from the 3D dust reconstruction toward the region shown
in Fig. 1. Middle. Projected Rayleigh statistic (V , Eq. 4) for the
integrated dust column density derived from the Planck observa-
tions (NH) and the distribution of dust across distance slices in
the 3D dust reconstruction. Values of V ≈ 0 correspond to a ran-
dom orientation between the gradients of the two tracers, thus in-
dicating low morphological correlation. Values of V > 2.87 cor-
respond to the mostly parallel gradient, thus indicating a signifi-
cant morphological correlation. Bottom. Pearson correlation co-
efficient (rPearson) between NH and the distribution of dust across
distance slices. The solid colored vertical line indicates the dis-
tance channel with the maximum V . The faint lines correspond
to the chance correlation tests performed by flipping the maps
with respect to each other in the vertical and horizontal direc-
tions. The black vertical lines indicate the average distance to
the Taurus MC and its corresponding confidence interval, as re-
ported in Zucker et al. (2020).

distance of Taurus. This indicates that the Taurus MC is the dom-
inant feature in the NH map, although it is not the only density
structure found along the line of sight.

Figure 3 shows the nH distribution in the slice with the high-
est V and the V distribution in 5× 4 blocks, each roughly 4∆ in
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Fig. 3: Left. Distribution of the hydrogen volume density (nH), derived from the Leike et al. (2020) 3D dust reconstruction, for the
distance channel that shows the highest correlation with the gas column density (NH) derived from the Planck observations, shown
by the contours. The white contours correspond to NH = 1, 2, 3, 4, 5, 8, and 12.5× 1021 cm−2. Right. Distribution of the projected
Rayleigh statistic (V , Eq. 4) in 5× 4 blocks across the map. The minimum of the color bar is set to 2.87, which is roughly equivalent
to a 3σ significance for this indicator of the correlation between the two images. The green disk indicates the derivative kernel size
∆ = 30′.

side, for that distance channel. We found a significant correlation
between nH and NH toward the regions around the dark clouds
B220/L1527 and B211/B213/L1495. There is also significant V
toward mostly diffuse regions, for example, in the southeast por-
tion of the map. The highest V is found toward the shell-like fea-
ture in the southwest portion of the map, which is not prominent
in the near-infrared extinction maps of Taurus (see, for example,
Lombardi et al. 2010).

4.2. Gas and 3D dust

We also applied the HOG method to the Hi, 12CO, and 13CO
emission and the dust distribution across distance bins using a
∆ = 30′ FWHM derivative kernel. The distribution of V across
distance slices and radial velocity channels is presented in Fig. 4.
The maximum values of V indicate a large correlation in the
distribution of the dust and gas tracers. However, there are clear
differences between the results obtained for the Hi and the two
CO isotopologues.

4.2.1. Hi and 3D dust

The distribution of V for the Hi emission and the 3D dust,
shown in the left-hand side panel of Fig. 4, indicates a large
spread of relatively high values for a broad range of veloc-
ity channels and distances. The highest V values are found in
the range 130. d . 160 pc and 3. vLSR . 7 km s−1. Yet, we also
found high V for a few velocity channels around 5.7 km s−1 at
d ≈ 200 pc.

The multiplicity of distances with high V for a particular
vLSR implies that the Hi emission in a velocity channel results
from contributions of gas parcels separated by tens of parsecs.
This result is not surprising given the ubiquity of Hi and the rel-
atively broad linewidths; around 2 km s−1 and 10 km s−1 for the
cold and warm Hi phases (see, for example, Kalberla & Kerp
2009). The overlap is particularly acute for vLSR ≈ 5.7 km s−1,
where there are high V values at d ≈ 125, 140, and 200 pc.

The top panel in Figure 5 shows the nH distribution and Hi
emission for the pair of distance and radial velocity channels
with the highest V , indicated by the green circle in the corre-
sponding panel of Fig. 4. The distance with the highest V is
found around vLSR ≈ 5.8 km s−1 and d ≈ 145 pc, which indicates
that there is a significant correlation between dust in and around
the MC and the Hi emission. We found, however, that the highest
similarity between the tracers comes from regions within Taurus
where the increase in nH is associated with a decrease in the Hi.
Such anti-correlation is expected if we consider that the Hi asso-
ciated with the MC is in the cold phase that is seen as a shadow
against the warm phase background, which is known in the liter-
ature as Hi self-absorption (HISA; Heeschen 1955; Gibson et al.
2000; Wang et al. 2020).

We also found significantly high V for vLSR ≈ 5.8 km s−1 and
d ≈ 200 pc. The distribution of dust around that distance, shown
in the bottom panel of Figure 5, corresponds to the Hi bright
region toward the left-hand side of the map, which most likely
corresponds to the background against which the HISA around
the B220/L1527 region in Taurus is visible. However, the bright
Hi filament seen over the more extended emission toward the
lower left portion of the map does not have a counterpart in the
dust distribution at that distance.

4.2.2. CO and 3D dust

The distribution of V for the 12CO and 13CO emission and the
3D dust, shown on the center and right panels of Fig. 4, indi-
cates a concentration of high values in the range 130. d . 160 pc
and 4. v . 7 km s−1. In the case of 13CO, the highest V appear
closely concentrated around d ≈ 140 pc and vLSR ≈ 6.2 km s−1. In
the case of 12CO, the highest V values appear more spread out
in velocity and distance. They also show a negative slope distri-
bution in the distance-radial velocity plane that links the highest
distances to the lowest velocities and the lowest distances to the
highest velocities.

Fig. 6 shows the nH distribution and 12CO emission for the
distance and radial-velocity channels with the highest V . The
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Fig. 4: Correlation between the distribution of hydrogen volume density (nH) derived from the Leike et al. (2020) 3D dust recon-
struction and the Hi, 12CO, and 13CO emission across distances and radial velocities as quantified by the projected Rayleigh statistic
(V), as indicated in the color bars to the right of each panel. The lower limit of each color scale is set to the standard deviation of
V across the whole distance and velocity range, ςV . The dashed vertical and horizontal lines indicate the minimum and maximum
d and vLSR where V is larger than 3ςV . The circle indicates the distance-radial velocity pair with the highest V . The red and blue
crosses in the center and left panels indicate the highest radial velocity and nearest distance and the lowest radial velocity and
farthest distances with significant V , respectively.

Fig. 5: Atomic hydrogen (Hi) emission and distribution of the hydrogen volume density (nH) derived from the Leike et al. (2020)
3D dust reconstruction for two radial velocity and distance channels with the highest V , as indicated in Fig. 4. The pseudovectors
indicate the orientation of the Tb and nH gradients, shown in white and cyan colors respectively. The translucent mask marks the
blocks where V < 2.87, thus indicating areas of negligible morphological correlation.

similarity in the distribution of both tracers confirms the results
of the HOG. Most of the correlation comes from the material

within the 5× 1021 cm−2 (AV ≈ 5) contour, which is around the
extinction level usually used to define the Taurus MC in extinc-
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Fig. 6: Carbon monoxide (12CO) emission and distribution of the hydrogen volume density (nH) derived from the Leike et al. (2020)
3D dust reconstruction for the radial velocity and distance channels with the highest V , as indicated in Fig. 4. The pseudovectors
indicate the orientation of the Tb and nH gradients, shown in white and cyan colors respectively. The translucent mask marks the
blocks where V < 2.87, thus indicating areas of negligible morphological correlation.

tion and dust emission observations (see, for example, Cambrésy
1999; Planck Collaboration Int. XXXV 2016). There are, how-
ever, small portions of the cloud for which the nH distribution
has no counterpart in the 12CO emission in the studied velocity
range, particularly toward the lower right corner of the map.

We further explored the negative-slope feature in the cen-
ter panel of Fig. 4 by dividing the area of the Taurus MC in
4× 3 blocks and calculating the V distribution across distances
and radial velocities. The results toward each block, presented in
Fig. 7, indicate that the signal in Fig. 4 is also found in the upper
right areas of the Taurus MC, with the largest significance found
toward the center of the region. The block with the highest col-
umn density, second from left to right in the central row of Fig. 7,
shows a discontinuity most likely related to the high extinction
limiting the 3D dust reconstruction toward that portion of the
cloud. Insofar as the division in blocks does not elucidate the
dynamical behavior of each portion of the cloud and is limited
by the limited number of independent gradients in each block,
we focus on the global trend rather than look for an explanation
of the trend for each MC portion.

The global HOG results presented in Fig. 4 indicate that the
material at the highest distances is related to the lowest veloc-
ities and that material at lower distances is linked to the high-
est velocities, but it is not limited to these two extremes. This
high correlation identified with the HOG method is distributed
across the distances and radial velocities between roughly 125
and 175 pc and 4 to 7 km s−1. This distribution implies that the
MC’s most distant and closest portions are converging along the
line of sight.

The distinctive pattern in V linking the near side of Taurus to
its highest 12CO radial velocities and vice versa is slightly distin-
guishable in the results obtained with 13CO, shown in the right
panel of Fig. 4. However, its lower significance limits additional
interpretation, as further illustrated in Appendix D.

5. Discussion

5.1. Morphology as an indicator of distance

Figure 2 illustrates the agreement between the estimated distance
to the Taurus MC and the distances at which the HOG produced

the highest correlation, quantified by V . The HOG produces high
V when the gradients of two images are mostly parallel. Thus,
the finding of high V at the distance of the MC indicates that the
dust parcel at d =1́40 pc not only has most of the dust along the
line of sight, but it is also responsible for most of the features ob-
served in the integrated dust map. This observation is essential
for the comparison between the 2D MCs in the literature, which
are traditionally in the integrated dust maps, and the novel re-
constructions of 3D dust distribution (see, for example, Zucker
et al. 2021; Rezaei Kh. & Kainulainen 2022).

The tests of our method applied to the 3D maps of dust
reddening from Green et al. (2019) emphasize the importance
of the 3D dust reconstruction for the HOG studies, as detailed
in Appendix E. The 3D dust maps have the advantage of ac-
counting for the spatial correlations between independent lines
of sight, producing a smoother distribution. Moreover, the 3D
maps of dust reddening tend to overestimate the cloud distance
obtained with the HOG and saturate for distances beyond the
dominant feature in the map, as discussed in Appendix E.

We found no significant signal in V at d ≈ 300 pc, corre-
sponding to the backside of the Per-Tau shell identified in Bialy
et al. (2021). This lack of correlation indicates that this potential
background does not significantly contribute to the integrated
dust emission and emphasizes the importance of the 3D dust
maps to elucidate this kind of structure surrounding MCs. Being
at a relatively high Galactic latitude (b≈−14.◦5), the integrated
dust emission toward Taurus is unlikely to be affected by back-
ground contamination. However, this may be critical for clouds
at lower b, where the morphological correlation quantified by the
HOG can identify what parcel of dust along the LOS is respon-
sible for the integrated emission and what portions of an MC are
dominated by different dust parcels along the LOS.

5.2. Dust revealing the presence of cold Hi

The anti-correlation between Hi emission and nH illustrated
in Fig. 5 marks the potential location of HISA in Taurus.
Observations of Hi in dark clouds in Taurus have previously re-
vealed the presence of Hi narrow self-absorption (HINSA) fea-
tures, suggesting that a significant fraction of the Hi in Taurus is
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Fig. 7: Correlation between the distribution of the hydrogen volume density (nH) derived from the Leike et al. (2020) 3D dust
reconstruction and 12CO emission across distances and radial velocities as quantified by the projected Rayleigh statistic (V) for the
4× 3 regions shown in Fig. 6. The vertical and horizontal dashed lines correspond to the distances and radial velocity ranges defined
in Fig. 4. The circle marks the pair of distance and velocity channels with the highest global V , which are presented in Fig. 6.

located in the cold, well-shielded portions of MCs and is mixed
with the molecular gas (Li & Goldsmith 2003; Goldsmith & Li
2005).

Heiner & Vázquez-Semadeni (2013) used the Hi spectra to
identify HISA and estimate hydrogen volume densities of up to
430 cm−3 within Taurus. This value is at least a factor of two
larger than the maximum nH derived from the 3D dust across
the MC. This discrepancy can be explained by the limitation of
the 3D dust to reconstruct the density toward regions of high
extinction.

Given the lack of existing observations of Hi absorption
around Taurus, just one within 5◦ of the center of the region
(Nguyen et al. 2019), the correlation between the dust and the
HISA is a promising path to disentangle the amount of cold Hi
in and around MCs. We will focus on this topic in the subsequent
paper in this series.

5.3. Dynamics of the Taurus MC

The negative slope feature found in the correlation between nH
and 12CO emission, shown in the central panel of Fig. 4, indi-
cates that nearby material in Taurus is moving toward the central
velocity of the cloud and more distant material is also moving
toward it. This motion is consistent with two scenarios. One pos-
sibility is rotation on MC scales. The other possibility is the MC
is contracting, either by external compression or global collapse.

Taking the cloud as a whole, our results are consistent with
a 2.5 km s−1 radial velocity difference more or less aligned with
the Galactic plane across roughly 25 pc, that is, a velocity gra-
dient of roughly 0.1 km s−1 pc−1. Meidt et al. (2018) have shown
that the gas kinematics on the scale of individual molecular
clouds are not entirely dominated by self-gravity but also track a
component that originates from orbital motion in the potential of
the host galaxy. Pascucci et al. (2015) presents observations of
the narrow Na and K absorption lines toward 40 T-Tauri stars in
the Taurus and found a velocity gradient along the length of the
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Fig. 8: Distribution of the hydrogen volume density (nH) derived from the Leike et al. (2020) 3D dust reconstruction (left) and 12CO
emission (right) for the minimum and maximum distance and radial velocity channels with significant correlation, identified by
the red and blue crosses in Fig. 4. The maps shown in a blue colormap correspond to the farthest distance and the lowest velocity
channels with V > 3ςV , where ςV is the standard deviation of V across the whole distance and velocity range. The maps shown in a
red colormap correspond to the nearest distance and the highest velocity channels with V > 3ςV . The yellow and green stars indicate
the positions of the young (age< 10 Myr) stellar objects presented in Galli et al. (2019) and young stellar clusters in Luhman (2023),
respectively.

MCs, which the authors suggest is consistent with differential
galactic rotation (Imara & Blitz 2011).

Galli et al. (2019) studied the parallax distances and proper
motions from Gaia’s Data Release 2 (DR2) and the astrometry
obtained with long baseline interferometry (VLBI) for 415 stars
towards the Taurus MC. Using the divergence and rotational of
stellar proper motions, the authors concluded that the expansion
or contraction motions traced by this sample are negligible. They
also reported a global rotational velocity of around 1.5 km s−1.
However, the results of the HOG indicate a different scenario for
the dust and the gas.

Figure 8 shows the nH distribution and the 12CO emission for
the extremes of the negative-slope feature identified in Fig. 4 The
colors indicate what can be interpreted as a large-scale veloc-
ity gradient between vLSR = 4.25 km s−1 and 7.05 km s−1 across
Taurus. However, the 12CO emission toward the portion of the
MC that shows the HOG signature of compression, as identi-
fied in Fig. 7, shows a less clear left-right symmetry. The nH for
the two distances associated with the radial velocities shows a
mixture of two components, and it is mainly dominated by the
nearby one at d = 125 pc.

The comparison between the HOG results and the stellar dis-
tances and radial velocities in the Galli et al. (2019) sample,
shown on the top panel of Fig. 9, suggest that the stars follow the
trend in the gas and dust, albeit with a large scatter. The scatter in
the stellar data is explained by the 2.7 km s−1 three-dimensional
velocity dispersion reported in Galli et al. (2019), which is close
to twice the rotational speed estimated with the proper motions
of the stars. The large velocity dispersion with respect to the po-
tential rotational motions suggests that the latter is not dominant
in this system.

We also looked for additional indications of converging mo-
tions in the Taurus young cluster dynamics identified with Gaia
(Esplin & Luhman 2019; Luhman 2023). The bottom panel of
Fig. 9 shows in detail the negative-slope pattern identified with
the HOG in nH and 12CO emission along with the radial veloc-
ities and distances to the young clusters. The roughly 3 km s−1

velocity difference across approximately 80 pc along the LOS
identified in the dust and 12CO is not followed by the young
stellar clusters. This discrepancy may be related to the current
gas dynamics not dominating the young cluster dynamics. Thus,
it may indicate the different time scales that coexist within the
MC, but does not contradict the compressive motions in the dust
and gas.

The Taurus region with the most evident signature of con-
verging motions identified with the HOG method corresponds to
the southern portion of the B211/B213 region, which has been
identified as an archetypical example of a star-forming filament
(Schmalzl et al. 2010; Palmeirim et al. 2013). The Herschel dust
emission observations reveal the presence of striations perpen-
dicular to the filament, generally oriented along the magnetic
field direction as traced by optical polarization vectors and dust
thermal emission (Chapman et al. 2011; Soler 2019; Eswaraiah
et al. 2021). These observations have led some authors to sug-
gest that the material may be accreting along the striations onto
the main filament (see, for example, Pineda et al. 2022, and ref-
erences therein). The typical velocities expected for the infalling
material in this picture are around 1 km s−1, which is roughly
compatible with our estimates, assuming that the dynamics that
Palmeirim et al. (2013) study on the plane of the sky are also
those that we identified along the LOS.

In a follow-up to Palmeirim et al. (2013), Shimajiri et al.
(2019) studied the velocity pattern in the CO emission around
the B211/B213 filament and identified the gas motions as the sig-
nature of “mass accretion” into that structure. The authors con-
clusions are based in the emission at vLSR ≈ 6 to 7 km s−1 toward
the northern-east filament edge and at vLSR ≈ 4 to 5 km s−1 to-
ward the southern-west edge. These velocities match the results
of our analysis, but our analysis suggests that they are produced
by the convergence of gas components along the line of sight
rather than by gravitational collapse into the filament.

The fact that we found different dynamics in the stars and the
combination of dust and gas is most likely related to the origin
of the global contraction or compression of Taurus suggested

10



Soler, J.D. et al.: Taurus I: Cloud dynamics revealed by 3D dust and atomic and molecular gas emission.

Fig. 9: Same as the middle panel of Fig. 4, but for a more lim-
ited range of distances and radial velocities and including the
radial velocities and distances for the young (age< 10 Myr) stel-
lar objects identified as cluster members in Galli et al. (2019)
and young stellar clusters in Luhman (2023).

by the HOG results. If the stars, dust, and gas dynamics were
dominated by the monolithic collapse toward the bottom of a
gravitational potential well, we would expect coherent motion
in all the tracers toward a particular location. However, this is
not what is obtained by the 3D motions of the stars in Galli et al.
(2019) or the results of the HOG. Instead, we found compressive
motions in the gas and dust in Taurus but not in the stars, as
illustrated in Fig. 9.

Our analysis suggests the convergence of gas components
across the whole area of the MC, not continuous convergence in
parts of the cloud. This implies that the gas is brought together,
rather than collapsing toward the local centers of gravitational
collapse. Thus, it is more likely that the convergence is being
driven from the exterior of the MC, as with the injection of mo-
mentum from supernovae, rather than from the matter in its in-
terior, as would be the case in gravitational collapse. The former
scenario gathers the gas while only marginally contributing to
the motions of the stars. The latter influences the stars and the
gas. Both scenarios can coexist in an MC. Our results indicate
that external compression is dominant in the Taurus MC.

5.4. Potential origin of the Taurus MC

The 3D dust maps used in this paper also enable precise con-
straints on the morphology of feedback-driven shells and super-
bubbles. These structures appear as cavities in the interstellar
medium and have been identified in the Taurus vicinity and other

locations of the solar neighborhood (Pelgrims et al. 2020; Bialy
et al. 2021; Marchal & Martin 2022; Foley et al. 2022).

Figure 10 shows the relationship between the 3D position
of the Taurus MC and the 3D morphology of the Per-Tau shell
(Bialy et al. 2021) and the Local Bubble, whose boundary has
been mapped out in Pelgrims et al. (2020) using the 3D dust
map of Lallement et al. (2019). Taurus lies at the intersection
of these two surfaces, where the Per-Tau shell seems to produce
an indentation in the Local Bubble. The near side of the cloud,
which is touching the Local Bubble’s surface, travels at higher
radial velocities. The far side of the cloud, which is touching
the Per-Tau shell, travels at lower radial velocities. Both of these
observations strongly suggest that the relation between the radial
velocity and distance revealed by the HOG in Fig. 9 is consistent
with the formation of the Taurus MC as a result of large-scale gas
compression via a “snowplow” effect produced by the SN-driven
expansion of two superbubbles (see, for example, Inutsuka et al.
2015; Dawson 2013).

The colliding shells scenario is consistent with the sheet-like
morphology of Taurus in 3D dust at lower densities, as identi-
fied in Zucker et al. (2021). The shock-compressed layers are
possibly the origin of the network of filamentary structures em-
bedded within the cloud at higher densities (Arzoumanian et al.
2013). These structures appear to evolve independently, as sug-
gested by the proper motions of the stellar associations in Taurus
(Roccatagliata et al. 2020), and give rise to the young (a few
megayears old) stellar population (Luhman 2018). Although the
young stellar population does not rule out an MC origin by grav-
itational contraction, it matches what is expected if the MC had
only formed recently due to the bubble collision, whereas the
presence of an older population, for example, clusters with ages
around 10 Myr, would have been inconsistent with this scenario.

6. Conclusions

We used the machine vision method HOG (Soler et al. 2019)
to study the relation between the 3D dust reconstruction pre-
sented in Leike et al. (2020) and the Hi, 12CO, and 13CO emis-
sion toward the Taurus MC. We showed that the morphological
correlation quantified by the HOG provides a robust estimate
of the distance to the MC by determining the dust parcel along
the LOS that contributes the most to the observed distribution
in integrated dust extinction or emission maps. Thus, the HOG
provides a powerful tool to determine distances to the features
identified in 2D maps and disentangle the contributions of dif-
ferent dust parcels to the integrated maps.

We identified the anti-correlation between the mass traced
by the 3D dust reconstruction and the Hi emission toward the
Taurus MC. We interpreted this result as the effect of the cold
Hi associated with the MC. We devote a follow-up paper to a
detailed study of the Hi within Taurus.

We also found the potential signature of the converging mo-
tions in the HOG correlation between the 3D dust and 12CO. The
imprint of these motions is strongest toward the region around
the star-forming filament B211/3.

The converging motion signature in the 3D dust and 12CO
differs from the potential rotation signatures found in the proper
motions of the stars in Taurus (Galli et al. 2019). However, this
discrepancy is not in tension with our results for two main rea-
sons. First, the velocity of the potential rotational motion re-
ported in Galli et al. (2019) is below the 3D velocity dispersion
of the stars, thus indicating that the rotation is not dominant in
this system. Second, the dynamics of the dust and gas are not
necessarily the same as those of the stars. The fact that we are
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Fig. 10: Locations of the Taurus MC, Local Bubble, and the Per-
Tau shell in an X-Z projection in heliocentric Galactic Cartesian
coordinates. The X-axis (X′) has been rotated anticlockwise by
θ= 33◦ to show the best view of the intersection of the two shells.
The red points correspond to the 3D model of the dense gas in
Taurus presented in Zucker et al. (2021), based on the 3D dust re-
construction presented in Leike et al. (2020). The Local Bubble
surface, shown in purple, corresponds to the structure identified
in Pelgrims et al. (2020), based on the 3D dust reconstruction
presented in Lallement et al. (2019). The Per-Tau shell surface,
shown in green, corresponds to the structure identified in Bialy
et al. (2021), based on the 3D dust reconstruction presented in
Leike et al. (2020). Taurus lies at the intersection of the two sur-
faces.

finding converging motions in the gas and not in the stars can
be interpreted as an indication that these are not dominated by
a monolithic gravitational collapse, which would affect both the
stars and the ISM, but rather by a large-scale shock that pushes
and gathers the lower-density ISM.

The results of the HOG are consistent with the potential ori-
gin of the Taurus MC as the result of material compression by the
expansion of the Local Bubble and the Per-Tau shell. This dy-
namic imprint is a concrete observable that can be targeted in the
analysis of numerical simulations and their associated synthetic
observations to study the prevalence of this MC formation sce-
nario. Also, as more superbubbles are mapped out in 3D across
the solar neighborhood, the HOG technique presented here pro-
vides an opportunity to test MC formation mechanisms over a
larger statistical sample.

We used the HOG method to map the distances revealed by
dust into the radial velocity sampled by the gas tracers, reveal-
ing various aspects of one of the most studied MCs. However,
the correlation between gas tracers and 3D dust is just one of
the MC characteristics that can be studied using the HOG and
other novel statistical tools. We devote two forthcoming papers
to studying the cold atomic hydrogen in and around the Taurus
and its relation with the interstellar magnetic field.
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Appendix A: Statistical significance of the HOG
results

The results of the HOG analysis are presented in terms of the
projected Rayleigh statistic (V), presented in Eq. (4) (Jow et al.
2018). In the following sections, we evaluate the effect of the
uncertainties in the 3D dust and emission maps and the impact
of chance correlations.

A.1. Error propagation

The Hi and CO emission maps have uncertainties associated
with the sensitivity of the instrument used to obtain them. The
3D dust reconstruction has uncertainties related to reconstruct-
ing a continuous distribution based on discrete sampling. We
evaluated the effect of both uncertainties in the values of V using
Monte Carlo sampling.

For each velocity channel map and nH slice, we generated
ten Monte Carlo realizations with an amplitude equal to the 1-σ
uncertainty in each data set. The results are 100 values of V per
distance and radial-velocity pair. We computed the mean value
〈V〉, which we reported in the main body of this paper, and the
standard deviation around this value, σV , which we report in
Fig. A.1.

We found that the values of σV are comparable to the 1-σ
absolute significance estimates for V introduced in Sec. 3. The
maximum values of σV are around V ≈ 1.64, which correspond
to the rejection of a uniform distribution of orientations between
the gradients with a probability of 5% (Batschelet 1972). Thus,
we conclude that the uncertainties in the emission PPV cubes
and nH are not systematically biasing the results of our analysis.

A.2. Impact of chance correlation

Two independent 2D scalar fields, like the dust slices or gas
emission velocity channels compared in this paper, can show
some correlation due to the random alignment between their
features, or chance correlation (see, appendix B in Soler et al.
2019). We tested the impact of chance correlation in the values
of V using the same atomic and molecular emission PPV cubes
but flipping the nH cube.

The results obtained for Hi and 3D dust, presented in
Fig. A.2, indicate a relatively high chance correlation between
these two tracers. The difference between the V maximum val-
ues obtained with the original data and the two flipping tests
are within 20% of each other, thus setting tight constraints on
the significance of the Hi to 3D dust correlation over the whole
radial velocity and distance range. However, the flipping tests
confirm that the high V values obtained around the distance of
the Taurus MC are not the product of chance correlation.

The results obtained for the two CO isotopologues and 3D
dust, presented in Fig. A.3 and Fig. A.4, show a lower chance
correlation than in the Hi study. This is expected given the more
limited coverage of CO in the maps in relation to the almost
ubiquitous Hi. The maximum V values in the original data are
almost double those obtained in the flipping tests. The V distri-
bution across distances and radial velocities is also very different
in the flipping test. It demonstrates that the patterns interpreted
in the main body of this paper are not the product of chance cor-
relation.

Appendix B: Angular resolution tests

Throughout this paper, we have presented the results of the HOG
analysis using the input observations at their native resolution.
This choice is justified because the computation of the gradi-
ents employing the Gaussian derivatives convolves the images to
the common scale set by the size of the derivative kernel. There
is, however, an increase in the signal-to-noise ratio (S/N) if the
input data is convolved to a common angular resolution larger
than the beam size before computing the HOG. This change in
S/N potentially produces different results of the HOG analysis,
either by modifying the low-signal regions that are masked or
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Fig. A.1: Dispersion in the projected Rayleigh statistic (V) between the nH and the Hi, 12CO, 13CO emission across distances and
velocity channels estimated using Monte Carlo simulations of the input data.

Fig. A.2: Tests of change correlation between the Hi emission and the 3D dust reconstruction for a ∆ = 30′ FWHM derivative kernel
and a I >σI mask. Left. Original maps. Center. Flipping the 3D dust cube in the horizontal direction. Right. Flipping the 3D dust
cube in the vertical and the horizontal directions.

Fig. A.3: Same as Fig. A.2, but for 12CO.

by setting a different mean in the Monte Carlo realizations. In
this appendix, we present the results obtained when smoothing
the maps to a common angular resolution before computing the
HOG.

Figure B.1 presents the results of the HOG analysis for the
12CO emission and the 3D dust using three different combina-
tions of the input maps: one in which both have their native
angular resolution, one in which the 12CO is smoothed with a
24.′6 FWHM kernel, and one in which both maps are smoothed
with this kernel. The 24.′6 kernel width corresponds to 1 pc at
the mean distance to Taurus. In the HOG computation, we em-
ployed a 30.′0 FWHM derivative kernel and a S/N > 3 mask.
The smoothing of the 12CO input data produces higher max-

imum values of V and high V in distance and velocity chan-
nel pairs that are not statistically significant with the raw input
data. This is most likely due to the reduction of the masked re-
gions in the smoothed maps due to the increase in S/N for the
lower-resolution data. The 3ςV distance and velocity ranges are
identical in the three cases. The changes in the distribution of V
across distance and velocity channels do not significantly affect
the main trend reported in the paper.

Figure B.2 presents the results of the HOG analysis for
the 12CO emission and the 3D dust using the same three dif-
ferent combinations of the input map smoothing, but with the
HOG computed using the Monte Carlo realizations introduced
in App. A instead of masking. The results of this test indicate an
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Fig. A.4: Same as Fig. A.2, but for 13CO.

increase in V of around 10%, but the same global distribution of
V across distance and velocity channels in the three cases. This
confirms that the differences found between the three combina-
tions of input maps in Fig. B.1 are produced by the masking.
The 3σV distance and velocity ranges are essentially identical in
the three cases, just with a slight change in the furthest distance
channel due to the general increase in the V . However, the global
trend within the 3σV range is unchanged. These results indicate
that the initial smoothing does not significantly affect the results
of our analysis and supports our choice of Monte Carlo realiza-
tions instead of masking.

Appendix C: Masking tests

Traditionally, the Taurus MC was defined through the visual ex-
tinction AV (see, for example, Cambrésy 1999). Here, we dis-
cuss the results obtained when applying the HOG only to the
portions of the Taurus MC within the regions defined by cuts
in AV. Fig. C.1 shows that the optically thick regions in the V
band, AV > 1.0, maintain the trends described in the main body
of this paper, which are the high correlation between Hi and 3D
dust at the distance of Taurus and the high correlation between
12CO and 3D implying that the near side of the cloud is moving
at higher velocities and the far side is moving at lower velocities.
The same patterns are lost with a higher extinction cut, AV > 3.0,
as shown in Fig. C.2. The main reason for this loss in signal
is the lack of independent gradient vectors, which is reflected
in the lower V values. At this relatively high extinction, the 3D
dust reconstruction also saturates its density values, and the gra-
dients used to trace its correlation with the gas emission are less
meaningful.

Appendix D: Block averaging

For the sake of completeness, we report the results of the HOG
comparison between 3D dust and Hi and 13CO in 4× 3 blocks
across the Taurus MCs in Fig. D.1 and Fig. D.2, respectively.
In the case of 13CO and 3D dust, the panel corresponding to
the vicinity of the B211/B213 region displays the pattern linking
the near side of the MC moving at higher velocities and the far
side moving at lower velocities that was reported for 12CO and
3D dust in the main body of the paper. However, the levels of
significance are low and limit any further interpretation.

Appendix E: Test using 3D extinction maps

To contrast the results obtained with the nH reconstructions, we
also applied the HOG analysis to the 3D maps of dust redden-

ing, E(B − V), based on Gaia parallaxes and stellar photome-
try from Pan-STARRS 1 and 2MASS (Green et al. 2019). The
main difference between the 3D extinction maps and the 3D dust
reconstructions is that the former corresponds to a cumulative
quantity, which saturates to a maximum value. They also do not
account for the spatial correlations between contiguous lines of
sight. Still, we highlight the importance of the 3D density re-
construction for our results by computing the HOG with the 3D
extinction maps toward Taurus.

Figure E.1 shows the results of the correlation between the
Hi, 12CO, and 13CO emission and the dust reddening along the
line of sight toward the Taurus MC. The HOG method consis-
tently recovers the spatial correlation between the gas emission
and the extinction, but the distance where the increase in V indi-
cates the presence of the MC is larger than that of Taurus. This
fact is related to the lack of spatial correlation for contiguous
pixels in the extinction maps and the cumulative nature of extinc-
tion: a meaningful gradient only appears when enough contigu-
ous pixels are correlated by the increase in the number of back-
ground stars. The cumulative nature of the 3D extinction maps
also implies that they are not sensitive to the structure behind the
dominant dust feature in the map, which can only be recovered
as a differential quantity between extinction slabs around the line
of sight. Thus, the results reported in the main body of this paper
are only possible thanks to the reconstruction of a smooth distri-
bution both in the plane of the sky and along the line of sight in
the 3D density maps.
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Soler, J.D. et al.: Taurus I: Cloud dynamics revealed by 3D dust and atomic and molecular gas emission.

Fig. B.1: Correlation between the distribution of hydrogen volume density (nH) derived from the Leike et al. (2020) 3D dust recon-
struction and 12CO emission across distances and radial velocities as quantified by the projected Rayleigh statistic (V) using a 30.′0
FWHM derivative kernel. The three panels correspond to three different input data as follows. Left. 3D dust and 12CO at their native
angular resolution, 6.′87 and 45′′, respectively. Center. 3D dust at its native angular resolution and 12CO smoothed to a 24.′6 FWHM
resolution. Right. 3D dust and 12CO smoothed to a 24.′6 FWHM resolution. In all three cases, regions with S/N < 3 are excluded
from the analysis.

Fig. B.2: Same as Fig. 4, but for Monte Carlo realizations of input maps instead of masking.

Fig. C.1: Same as Fig. 4, but masking regions where AV > 1.0.
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Soler, J.D. et al.: Taurus I: Cloud dynamics revealed by 3D dust and atomic and molecular gas emission.

Fig. C.2: Same as Fig. 4, but masking regions where AV > 3.0.

Fig. D.1: Same as Fig. 7, but for Hi.
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Soler, J.D. et al.: Taurus I: Cloud dynamics revealed by 3D dust and atomic and molecular gas emission.

Fig. D.2: Same as Fig. 7, but for 13CO.

Fig. E.1: Correlation between the dust extinction across distances (Green et al. 2019) and Hi emission across distances and velocity
channels as quantified by the projected Rayleigh statistic (V) and the Pearson correlation coefficient (rPearson).
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ABSTRACT

We present MeerKAT Fornax Survey atomic hydrogen (H i) observations of the dwarf galaxies located in the central ∼ 2.5 × 4 deg2

of the Fornax galaxy cluster (Rvir ∼ 2◦). The H i images presented in this work have a 3σ column density sensitivity between 2.7 and
50 × 1018 cm−2 over 25 km s−1 for spatial resolution between 4 and 1 kpc. We are able to detect an impressive MHI = 5 × 105 M� 3σ
point source with a line width of 50 km s−1 at a distance of 20 Mpc. We detect H i in 17 out of the 304 dwarfs in our field – 14 out of
the 36 late type dwarfs (LTDs), and 3 of the 268 early type dwarfs (ETDs). The H i-detected LTDs have likely just joined the cluster
and are on their first infall as they are located at large clustocentric radii, with comparable MHI and mean stellar surface brightness at
fixed luminosity as blue, star-forming LTDs in the field. By contrast, the H i-detected ETDs have likely been in the cluster longer than
the LTDs and acquired their H i through a recent merger or accretion from nearby H i. Eight of the H i-detected LTDs host irregular or
asymmetric H i emission and disturbed or lopsided stellar emission. There are two clear cases of ram-pressure shaping the H i, with the
LTDs displaying compressed H i on the side closest to the cluster centre and a one-sided, starless tail pointing away from the cluster
centre. The H i-detected dwarfs avoid the most massive potentials (i.e. cluster centre and massive galaxies), consistent with massive
galaxies playing an active role in the removal of H i. We create a simple toy model to quantify the timescale of H i stripping in the
cluster by reproducing the observed Mr′ - MHI relation. We find that a MHI = 108 M� dwarf will be stripped in ∼ 240 Myr. The model
is consistent with our observations, where low mass LTDs are directly stripped of their H i from a single encounter and more massive
LTDs can harbour a disturbed H imorphology due to longer times or multiple encounters being required to fully strip their H i. This is
the first time dwarf galaxies with MHI . 1 × 106 M� have been detected and resolved beyond the local group and in a galaxy cluster.

Key words. Galaxies: general – galaxies: clusters: individual: Fornax – galaxies: dwarf – galaxies: evolution – galaxies: interactions
– radio lines: galaxies

1. Introduction

Dwarf galaxies are the most abundant type of galaxy through-
out the Universe. In general, dwarf galaxies have weak gravity, a
metal poor interstellar medium (ISM), low interstellar pressure,
insufficient dust shielding and the disks tend to be thick and dif-
fuse (see Henkel et al. 2022, for a recent review). Due to these
properties, dwarf galaxies are the most sensitive to internal pro-
cesses, such as star formation and feedback, and non-secular pro-
cesses, like tidal and hydrodynamical interactions that strip the
ISM and distort the stellar body. This makes them the best candi-
dates to test and understand the rapid and efficient processes that
evolve star forming late type dwarfs (LTDs) into quiescent early
type dwarfs (ETDs). It is well established that the dense environ-
ment of galaxy clusters provide hostile conditions that efficiently
produce quiescent galaxies of any mass via ISM removal and the

quenching of star formation (for a comprehensive review see e.g.
Boselli & Gavazzi 2006, 2014; Cortese et al. 2021; Boselli et al.
2022). Direct stripping of the cold ISM either through hydrody-
namical, tidal or a combination of both forces is required during
cluster infall to explain the lack of ISM observed in cluster galax-
ies (e.g. Valluri & Jog 1990, 1991; Mayer et al. 2006; De Rijcke
et al. 2010; Gavazzi et al. 2018; Boselli et al. 2022). Both ob-
servations and simulations show that low mass galaxies falling
into clusters have their ISM fully stripped close to or just past
their first pericentric passage, resulting in a more rapid quench-
ing (e.g. Boselli et al. 2008, 2014b; Pasquali et al. 2019; Lotz
et al. 2019).

Atomic neutral hydrogen (H i) remains one of the best ob-
servational tracers for measuring environmentally-driven galaxy
transformations (e.g. Cortese et al. 2010, 2011; Catinella et al.
2018; de Blok et al. 2018). However, dwarf galaxies in all en-
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vironments are low mass, have small angular sizes and are of-
ten diffuse in nature. Therefore, being able to simultaneously
detect and resolve H i in these galaxies has remained labori-
ous for many years. This challenge is even more acute inside
galaxy clusters given the aforementioned processes of ISM re-
moval. Despite these observational constraints, there are multi-
ple studies in the literature that have detected H i in dwarf galax-
ies in a variety of environments. Surveys such as the Faint Ir-
regular Galaxies GMRT Survey (FIGGS; Begum et al. 2008),
the Local Irregulars That Trace Luminosity Extremes - The H i
Nearby Galaxy Survey (LITTLE-THINGS; Hunter et al. 2012)
and the Local Volume H i Survey (LVHIS; Koribalski et al.
2018), have detected H i in star-forming LTDs in the field and
groups down to MHI ∼ 107 M� within 10 Mpc. Similarly, Kovač
et al. (2009) conducted a blind H i survey of the Canes Venatici
(CVn) volume (≤ 18 Mpc) that detected H i in 70 star-forming
LTDs, with a H i mass range of 106.5 – 109.8 M�. The observa-
tions of nearby LTDs have shown that scaling relations such as
the H i-to-optical-diameter ratio hold true in this mass range and
that LTDs in low density environments can host asymmetric and
irregular H i morphologies. This is further supported by the ir-
regular morphology and asymmetric velocity fields in the outer
H i disk of 18 starbursting LTDs that was likely caused by recent
interactions (Lelli et al. 2014). In the Virgo galaxy cluster, ∼ 80
dwarfs between MHI = 106.9 – 107.7 M� (with 25% completeness
at the low mass end) were detected in H i by the ALFALFA sur-
vey (Giovanelli et al. 2005; Huang et al. 2012; Hallenbeck et al.
2012). The majority were LTDs although a few were ETDs akin
to transitional galaxies, which have little ongoing star formation
despite the detectable H i reservoir (Hallenbeck et al. 2017). Re-
cently, Poulain et al. (2022) used the ALFALFA and ATLAS3D

H i (Cappellari et al. 2011; Serra et al. 2012) surveys to detect H i
in 145 dwarf satellite galaxies observed in the Mass Assembly of
early-Type GaLAxies with their fine Structures (MATLAS) deep
imaging survey and found that ∼ 80% of dwarf satellites increase
their H i mass as a function of projected distance from the cen-
tral. While progress has been made in understanding the nature
of H i in dwarf galaxies, the aforementioned work has been lim-
ited to the local Volume with restrictions on the combined H i
sensitivity and resolution.

If dwarf galaxies are observed in the dense clusters envi-
ronment, we are able to constrain galaxy quenching mecha-
nisms on galaxies that are transformed and quenched the quick-
est. The Fornax cluster is a small, low mass (Mvir = 5 × 1013

M�; Drinkwater et al. 2001) cluster that is located 20 Mpc away
(Blakeslee et al. 2009), making it the second closest galaxy clus-
ter to Earth after Virgo. Fornax is more dynamically evolved than
Virgo, although it is not virialized as there are massive star form-
ing late types present as well as in-falling groups (e.g NGC 1365
and NGC 1316 Drinkwater et al. 2001; Raj et al. 2019; Kleiner
et al. 2021; Loni et al. 2021). The intracluster medium (ICM) of
Fornax is half the density, although the galaxy density is twice
as high in comparison to Virgo (e.g. Jordán et al. 2007), imply-
ing that in-falling galaxies will experience a lower ram-pressure
force but are prone to tidal interactions with cluster galaxies.
The galaxy population of Fornax is dominated by red, quiescent
ETDs, implying that the cluster is driving the transformation of
LTDs into ETDs (Drinkwater et al. 2001; Schröder et al. 2001;
Waugh et al. 2002; Venhola et al. 2018; Loni et al. 2021).

In this paper we present a multiwavelength analysis of the
dwarf galaxies located in the central ∼ 2.5 × 4 deg2 of the For-
nax galaxy cluster (Rvir ∼ 2◦) focusing on the H i content that
has been observed in the MeerKAT Fornax Survey (MFS: Serra
et al. 2023). The MeerKAT telescope (Camilo et al. 2018) has

exquisite column density sensitivity and resolution. In this work,
for the first time we detect and resolve dwarf galaxies with MHI
. 106 M� at a distance of 20 Mpc. Previously, this has only been
possible for Milky-Way satellites and dwarf galaxies in the local
group. We make use of the deep optical imaging from the For-
nax Deep Survey (FDS: Iodice et al. 2016; Venhola et al. 2018;
Peletier et al. 2020) to use the morphological and photometric
properties of the dwarfs as well as their spatial distribution in
the cluster. Our main goals are to determine which dwarfs have
H i, which dwarfs are being transformed in the cluster, how they
are being transformed and on what timescale.

This paper is organised as follows: Section 2 describes the
MFS observations and data reduction used in this work and the
relevant optical images and catalogs. In Section 3, we define our
dwarf galaxy sample. We present our main results in Section 4,
where we display the H i images and show how the H i relates to
the optical colour, luminosity and mean surface brightness, along
with the location of the H i detection relative to the cluster sub-
structure and distance to the nearest massive galaxy. In Section 5
we discuss the mechanisms that remove H i from dwarf galaxies
in the cluster and we make a simple toy model to measure the
timescale of H i removal. Finally, we summarise our results in
Section 7. Throughout this paper, we assume a luminosity dis-
tance of 20 Mpc to the Fornax cluster and all associated galaxies
(Blakeslee et al. 2009). At this distance, 1′′ corresponds to 97 pc.

2. Observations

2.1. MeerKAT radio data

With reference to Table 2 of Serra et al. (2023), in this work
we measure H i parameters (e.g., flux, line width) from the MFS
data products1 at a resolution of 66′′, that has a 3σ column den-
sity sensitivity of 1.3 × 1018 cm−2 over 25 km s−1, and is the most
likely to recover all of the H i flux. Given the availability of mul-
tiple resolutions sensitive to different H i column densities, we
present the H i images with a resolution of 11′′, 21′′ and 41′′,
which cover a 3σ column density sensitivity range of 2.7 - 50
× 1018 cm−2 over 25 km s−1 for spatial resolutions between 4
and 1 kpc. The 41′′cube has the lowest RMS = 0.24 mJy beam−1,
that enables us to detect a 3σ point source with a line width of
50 km s−1 down to a MHI = 5 × 105 M� at the distance of the
Fornax cluster.

We limit our analysis to the portion of the MFS that has been
completed at the time of writing. To avoid unreliableH i param-
eterisation and poor image fidelity due to the rapidly changing
RMS at the mosaic edge, we only consider sources where the
noise is at less than twice the minimum RMS. The resulting field
is ∼ 2.5 × 4 deg2 with our most sensitive 3σ H i mass limit of
MHI = 5 × 105 M� and least sensitive 3σ H i mass limit of MHI
= 1 × 106 M� for a 50 km s−1 point source.

2.2. Optical data

We use deep optical images from the FDS (Iodice et al. 2016;
Venhola et al. 2018), which are excellent for detecting dwarfs
and resolving low surface brightness galaxies. The FDS ob-
served the Fornax cluster using the OmegaCAM wide-field im-
ager on the VLT Survey Telescope (VST). Observations were
taken in the Sloan Digital Sky Survey (SDSS) u′, g′, r′, and i′-
bands and are sensitive down to an impressive surface brightness

1 Available at the MFS website – https://sites.google.com/
inaf.it/meerkatfornaxsurvey.
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limit of 28.4 mag arcsec2 in the g′-band. We use the photomet-
ric catalog from Su et al. (2021), who used a combination of
aperture photometry, Sérsic + point spread function (PSF) and
multi-component decompositions to quantify the light distribu-
tion of each massive cluster galaxy (Iodice et al. 2019; Raj et al.
2019, 2020) and the dwarf galaxies (Venhola et al. 2018).

One caveat of the FDS is that the VST is unable to im-
age the Fornax cluster where extremely bright foreground stars
are present. There are two dwarfs we detect in H i (ESO 358-
G064 and FCC 323) located in a region of the cluster where
FDS images are either unavailable or not observed in all bands.
To rectify this, we use images and the photometric catalog from
the Dark Energy Camera Legacy Survey (DECaLS) DR92 (Dey
et al. 2019), in the same SDSS filters. We adopt the same method
as Su et al. (2021) and use the photometric-colour relation to
estimate the stellar mass (Taylor et al. 2011), and aperture pho-
tometry to measure the projected surface brightness of ESO 358-
G064 and FCC 323. The surface brightness limit of the DECaLS
g′-band images in this area is ∼ 27.9 mag arcsec2, slightly shal-
lower than the FDS does not present any issue for this work.

3. Dwarf galaxy sample definition

There are a variety of definitions in the literature of what consti-
tutes a dwarf galaxy, and a common method is to use a simple
magnitude cut (e.g. Hallenbeck et al. 2012) in a given volume.
Venhola et al. (2018) created a catalog of Fornax cluster dwarf
galaxies in the FDS, using the definition of Mr′ > −18.5 with a
minimum size of 2′′, and separated the cluster dwarfs from back-
ground galaxies using the colour–magnitude, luminosity–radius
and luminosity–concentration relations. We use this catalog as
the starting point in this work. However, the full catalog contains
some galaxies that are arguably not dwarfs. The best example is
NGC 1427A, which may indeed appear as a dwarf given it’s ir-
regular morphology, although it has a stellar and H i mass of ∼ 2
× 109 M� (Lee-Waddell et al. 2018; Loni et al. 2021), making it
quite massive for a dwarf. The Venhola et al. (2018) catalog used
a combination of visual and parametric classifications to define
the first order morphology of the Fornax cluster dwarfs.

It has been suggested that at M? ≈ 109 M�, galaxies tran-
sition from dwarfs to giants due to real structural differences
(Watkins et al. 2023). In this work we are interested in the low
mass galaxy population that is the most efficiently transformed
by the cluster environment. Therefore, using the stellar masses
measured by Su et al. (2021), we define dwarf galaxies as M?

< 109 M�. We also define intermediate galaxies to be 109 ≤ M?

< 1010 M� which are intended to represent the populations of
galaxies that are neither obvious dwarfs nor obvious giant galax-
ies. Lastly, we define the massive galaxies those with M? ≥ 1010

M�. There are 304 dwarfs (36 LTDs and 268 ETDs), 13 inter-
mediate mass and 15 massive galaxies within our field. We show
the stellar mass distribution for each sample in Fig. 1 and their
basic sample statistics in table 1.

4. H i in cluster dwarfs

We detect H i in 17 out of the 304 dwarfs within our field and
show their position in the cluster in Fig. 2. The detections include
14 out of the 36 LTDs, and 3 out of the 268 ETDs. We present
a preview in Fig. 3 and all the dwarfs detected in H i in Fig. A.1
that shows the DECaLS 3-colour postage stamp, the FDS opti-
cal image overlaid with H i contours from the 11′′, 21′′ and 41′′

2 https://www.legacysurvey.org/
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Fig. 1. The Stellar mass distribution for our different galaxy samples.
Each sample is defined by their stellar mass estimates (Su et al. 2021).
The dwarfs are shown in light blue, the intermediate galaxies are in
green and the massive galaxies are in black. The vertical dashed lines
for each respective colour show the median of the samples.

Table 1. The number of galaxies, median and standard deviation of the
stellar mass for our galaxy samples. See Fig. 1 for their stellar mass
distribution.

Sample Ngals Median M? Std. M?
(M�) (M�)

Dwarf 304 6.3 × 106 1.1 × 108

Intermediate 13 3.2 × 109 1.9 × 109

Massive 15 2.0 × 1010 6.1 × 1010

MFS images and the 21′′ velocity field. The basic H i properties
for the H i detected dwarf galaxies are presented in Table 2 and
the optical morphology, H i mass, stellar mass, photometry and
projected distance to nearest massive galaxy in Table 3. Eight of
the LTDs with H i show clear signs of irregular or asymmetric
H i emission. We denote these galaxies as being (H i) disturbed
as the irregularities can be seen in the form of H i tails, signifi-
cant warps or non-rotating components (Fig. A.1) making them
the most likely LTDs currently being shaped by the cluster en-
vironment. It is possible that more LTDs are disturbed, however
their signs are more subtle. We refrain from labelling the ETDs
as disturbed as H i-bearing ETDs are an unusual class of galaxy
at a different evolutionary stage compared to LTDs.

4.1. New H i dwarfs and features

The following nine LTDs were detected in Loni et al. (2021);
NGC 1437A, ESO 358-G015, ESO 358-G016, ESO 358-G060,
FCC 090, FCC 102, FCC 120, FCC 306 and FCC 323. Therefore,
this work has detected H i for the first time in an additional
eight dwarfs; five LTDs – ESO 358-G064, FCC 128, FCC 299,
FCC B905 and FDS6 100b and three ETDs – FCC 134, FCC 207
and FCC 248.

Due to the exquisite sensitivity and resolution of MeerKAT,
we have detected and resolved new H i features in some previ-
ously H i-detected dwarfs. Here we describe the H i features of
the disturbed LTDs. NGC 1437A and FCC 306 have starless, H i
tails pointing away from the cluster centre, with velocity gradi-
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Fig. 2. The H i detected dwarfs in the Fornax cluster. The background is the FDS g′-band optical image, except in the region of FCC 323 that has
been filled in with DECaLS images. The dwarfs detected in H i are shown in the blue ellipses with their respective labels. The dotted grey border
denotes the ∼ 2.5 × 4 deg2 area analysed in this work. The pink dashed circle shows 0.25Rvir.

ents aligned with the direction of the ram-pressure wind (Serra
et al. 2023). In Fig. A.1, the 11′′ image show a H i compression
into the edge of the stellar body on the side of the galaxy point-
ing towards the cluster centre, exactly where the ram-pressure
force is the strongest. ESO 358-G016 may also have a visible
H i compression in the 11′′ image and potentially a H i tail in
the 21′′ image on the opposite side of the compression. FCC 102
shows a compression on the west in the 11′′ image as well as a
potential tail in the form of extended H i emission to the east at
all resolutions. FCC 102 has a prominent S-shaped iso-velocity
contour which is the discernible sign of a changing position an-
gle (PA) due to a warp. While FCCB 905 is not as well resolved
as NGC 1437A and FCC 306, the 11′′ image does suggest the H i
is being compressed on the side that faces the cluster centre and
there may be a small H i tail pointing in the opposite direction.
ESO 358-G015 has asymmetric H i emission visible in the 21′′
image and a U-shaped iso-velocity contour. ESO 358-G060 has
some clear asymmetries in the 11′′ image with what appears to
be an S-shaped iso-velocity contour containing kinks, also likely
due to a warp. The well resolved velocity field of FCC 120 does
not show any clear rotation, which is unusual as it appears to be
a blue, edge-on LTD.

The stellar emission is also clearly irregular for some of
the H i-disturbed LTDs (Fig. A.1). The following have been
analysed by Raj et al. (2019); NGC 1437A, ESO 358-G015,
ESO 358-G016, ESO 358-G060 and FCC 306. The stellar emis-
sion of NGC 1437A is asymmetric (Raj et al. 2019) and the DE-
CaLS image (Fig. A.1) shows a diffuse stellar component in the
north that may also be part of a halo. ESO 358-G015 has a lop-
sided stellar tail pointing towards the cluster centre, ESO 358-
G016 appears to have a disturbed outer stellar disk, ESO 358-
G060 has a warped stellar disk with irregular star-forming re-
gions and FCC 306 is asymmetric with a disrupted outer stel-
lar disk (Raj et al. 2019). The stellar emission for FCC B905 is
clearly lopsided and this is also true, although to a lesser ex-
tent for FCC 102. This is confirmed by the non-parametric mor-
phological indices (e.g. Asymmetry, Clumpiness and Gini) mea-
sured by Su et al. (2021) who show that FCC 102 is more asym-
metric and has a higher Gini value compared to FCC 120.

We do not include FCC 090 and FCC 128 as disturbed LTDs,
although they have some unusual features. The optical morphol-
ogy of FCC 090 was originally classified as a peculiar elliptical
(Ferguson 1989) although it is a LTD in Venhola et al. (2018).
The FDS image shows some structure in the stellar body, such as
a possible bar in the core. The H i emission of FCC 090 extends
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ESO 358-G015

10 kpc

NGC 1437A

10 kpc

Fig. 3. A preview of the dwarf optical cutouts, multi-resolution MFS H i overlays and velocity fields. The full figure with all the H i detections are
shown in Fig. A.1. The left panel shows the optical 3-colour postage stamp of each dwarf, the middle panel shows the H i contours overlaid on the
FDS (DECaLS for FCC 323) optical image where the blue contours show the 11′′ H i emission above 3σ in steps of

√
10n and the green and red

contours show the 3σ H i emission from the 21′′ and 41′′ images. The lowest column density sensitivities are labelled in accordance with the local
RMS over a 25 km s−1 line-width and the synthesized beam for each resolution are shown in the bottom left inset with their respective colours. The
right panel shows the 21′′ H i velocity field. The systemic velocity is the thick white contour with the value shown up the top and the synthesized
beam is shown in black on the bottom left.

Table 2. The H i properties of dwarfs measured from the 66′′MFS H i cube. The position, integrated flux, and w20 are from the SoFiA catalog,
while vsys is estimated from where 11′′ H i iso-velocity intercepts the optical centre. The uncertainty in the integrated flux is a combination of the
statistical error and 10% uncertainty in the calibration of the flux scale (Serra et al. 2023).

Name Ra (J2000) Dec (J2000) Integrated flux vsys w20 Disturbed
(hms) (dms) (Jy km s−1) (km s−1) (km s−1)

NGC 1437A 03:43:02.42 -36:16:24.2 7.25 ± 0.7 886 128 Y
ESO 358-G015 03:33:07.06 -34:48:21.2 1.50 ± 0.2 1388 133 Y
ESO 358-G016 03:33:09.19 -35:43:05.2 1.26 ± 0.1 1700 131 Y
ESO 358-G060 03:45:12.29 -35:34:15.2 11.99 ± 1.2 803 129 Y
ESO 358-G064 03:46:28.51 -36:54:21.6 5.59 ± 0.7 1465 171 N

FCC 090 03:31:08.28 -36:17:24.4 0.59 ± 0.07 1825 129 N
FCC 102 03:32:10.56 -36:13:10.6 1.19 ± 0.1 1640 83 Y
FCC 120 03:33:34.18 -36:36:20.1 1.08 ± 0.1 846 60 Y
FCC 128 03:34:07.03 -36:27:57.6 0.14 ± 0.02 1543 68 N
FCC 134 03:34:21.70 -34:35:33.0 0.02 ± 0.01 1398 34 N
FCC 207 03:38:19.25 -35:07:44.8 0.01 ± 0.01 1420 38 N
FCC 248 03:40:43.37 -35:51:38.9 0.01 ± 0.01 1859 15 N
FCC 299 03:44:58.61 -36:53:41.6 0.31 ± 0.04 2100 136 N
FCC 306 03:45:45.38 -36:20:46.0 2.03 ± 0.1 886 176 Y
FCC 323 03:47:37.46 -36:21:48.6 0.43 ± 0.05 1499 67 N

FCC B905 03:33:57.34 -34:36:43.2 0.52 ± 0.06 1248 99 Y
FDS6 100b 03:41:27.84 -35:43:13.1 0.14 ± 0.03 1983 50 N
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Table 3. The optical morphology, stellar mass, H i mass, photometric properties and projected distance to nearest massive galaxy for all the
LTDs and the H i-detected ETDs. The optical morphologies are taken from (Venhola et al. 2018) and those with an asterisk are nucleated. The
uncertainties in the H i mass are propagated from the flux uncertainties in Table 2 and the upper limits are calculated as 3σ of the local RMS for a
50 km s−1 wide point source. The stellar masses, Mr′ magnitudes, g′ − r′ colours and r′-band mean surface brightness out to one effective radius
(µe) are taken from the Su et al. (2021) catalog. The photometry for ESO 358-G064 and FCC 323 is taken from the DECaLS) DR9 catalog (Dey
et al. 2019).

Name FCC number Morphology H i mass Stellar Mass R′ g′ − r′ µe Dist.
(107 M�) log(M�) (mag) (mag) (mag arcsec−2) (kpc)

NGC 1437A 285 l 68.4 ± 6.9 8.8 -18.02 0.49 23.00 151
ESO 358-G015 113 l 14.2 ± 1.4 8.5 -17.03 0.5 22.87 181
ESO 358-G016 115 l 11.9 ± 1.2 7.7 -15.43 0.43 24.45 150
ESO 358-G060 302 l 113.2 ± 11.3 7.8 -16.02 0.15 24.92 148
ESO 358-G064 B1899 l 5.6 ± 0.7 8.5 -16.20 0.59 23.13 415

FCC 090 90 l 5.6 ± 0.6 8.9 -17.60 0.56 21.23 180
FCC 102 102 l 11.2 ± 1.2 7.8 -15.80 0.47 23.47 103
FCC 120 120 l 10.2 ± 1.0 7.9 -15.72 0.43 24.28 161
FCC 128 128 l 1.3 ± 0.2 8.0 -15.50 0.55 23.63 118
FCC 134 134 e 0.2 ± 0.1 7.7 -14.65 0.53 23.32 96
FCC 207 207 e 0.06 ± 0.05 8.5 -16.55 0.64 21.98 112
FCC 248 248 e 0.01 ± 0.05 7.2 -13.44 0.6 23.79 160
FCC 299 299 l* 2.9 ± 0.4 7.8 -15.18 0.5 23.83 372
FCC 306 306 l* 19.1 ± 2.0 8.1 -16.00 0.36 22.01 227
FCC 323 323 l 4.0 ± 0.5 7.4 -14.41 0.39 24.55 331

FCC B905 B905 l 4.9 ± 0.6 7.8 -15.12 0.49 23.69 125
FDS6 100b - l 1.3 ± 0.2 6.7 -13.10 0.43 24.72 128
FCC 247 247 l ≤ 0.06 7.2 -14.11 0.31 24.54 131
FDS2 393 - l ≤ 0.07 6.3 -11.34 0.36 24.88 117
FDS5 010 - l ≤ 0.06 5.7 -9.41 0.69 26.15 119
FDS5 137 - l ≤ 0.06 6.6 -12.31 0.48 24.07 155

FDS5 159b - l ≤ 0.06 5.7 -9.64 0.56 26.17 223
FDS5 608b - l ≤ 0.10 5.7 -10.34 0.5 25.71 395
FDS7 021 - l ≤ 0.08 6.3 -11.72 0.61 24.54 411
FDS7 085 - l ≤ 0.06 6.0 -10.99 0.28 24.66 317
FDS7 275 - l ≤ 0.06 6.1 -11.54 0.19 24.31 223
FDS7 461 - l ≤ 0.06 6.3 -11.34 0.54 26.36 174

FDS10 130 - l ≤ 0.08 6.1 -11.13 0.46 25.30 118
FDS10 167 - l ≤ 0.09 5.5 -9.97 0.61 27.13 77
FDS11 403 - l ≤ 0.06 6.4 -12.07 0.27 26.15 102
FDS11 411b - l ≤ 0.06 6.2 -11.42 0.56 24.38 106
FDS12 052 - l ≤ 0.09 6.8 -12.98 0.4 23.84 287
FDS12 135 - l ≤ 0.07 5.6 -10.12 0.33 25.64 274
FDS15 085 - l ≤ 0.06 5.8 -10.03 0.25 26.54 58
FDS15 148 - l ≤ 0.07 6.1 -11.02 0.38 24.76 122
FDS15 155 - l ≤ 0.06 6.0 -11.25 0.26 24.92 184
FDS16 141 - l ≤ 0.06 6.0 -11.21 0.4 25.04 105
FDS20 100 - l ≤ 0.11 6.9 -13.24 0.29 23.98 285
FDS20 502 - l ≤ 0.09 5.9 -10.25 0.5 24.71 162

beyond the stellar body with hints of asymmetries and the veloc-
ity field does not appear to show rotation. There is a hint of a H i
tail for FCC 128 shown in 21′′ and 41′′ images, and the velocity
field suggests the presence of non-rotating components, although
the H i is not resolved well enough to state this definitively.

4.2. The relation between H i and stellar emission

In the following section we discuss the galaxy properties listed
in Table 3 and how they relate to each other. In Fig. 4, we present
the galaxy colour magnitude diagram. We qualitatively separate
the blue cloud from the red sequence by the relation g′ − r′ =
−0.03r′ − 0.1, that results in 10 out of the 36 LTDs in the red

sequence (at the faint end) and 25 out of the 268 ETDs in the
blue cloud. We detect all LTDs brighter than Mr′ = −14.2 in
H i and as expected, MHI increases for bluer, brighter LTDs. Two
out of the three H i-detected ETDs reside on the red sequence,
although the third (FCC 134) is significantly bluer and has the ∼
same colour as the LTDs FCC 090 and ESO 358-G064.

We show the luminosity-H i relation in Fig. 5 and com-
pare our LTDs and H i-detected ETDs to the CVn dwarf galax-
ies (Kovac 2007; Kovač et al. 2009). Previous scaling rela-
tions have shown that MHI is correlated with luminosity for late
types brighter than Mr′ = −17 (e.g. Dénes et al. 2014). The
CVn dwarfs extends this trend down to fainter magnitudes of
Mr′ = −12. We quantify the luminosity-H i relation of the CVn
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Fig. 4. The colour magnitude diagram of dwarf galaxies within the
∼ 2.5 × 4 deg2 area shown in Fig. 2. Circles show the LTDs and
crosses are the ETDs. The dwarfs detected in H i have been labelled and
coloured by their MHI. The LTDs with H i are shown as filled circles
and the ETDs with H i are the thick crosses. The LTDs with disturbed
H i morphologies are enclosed by dashed circles. The solid blue line
separates the blue cloud from the red sequence. As expected, the bluer,
brighter LTDs have a higher MHI.

dwarfs with a linear fit in the range of -18 < Mr′ ≤ -12 as our
brightest H i-detected LTD has a Mr′ = −18. The dashed and
dotted lines shows our linear fit and the 3σ scatter, respectively
(Fig. 5). In the luminosity-H i relation, we show the g′−r′ colours
of our LTDs and H i-detected ETDs. The H i detections show
that H i-deficiency is correlated with redder colours. All our HI-
detected LTDs are within 3σ of the CVn fit and are therefore
comparable to LTDs in the field. The H i-disturbed LTDs are all
brighter than Mr′ = −15, have blue colours and mostly reside
∼ on the CVn fit, implying that a significant amount of H i has
not been lost yet. Irrespective of H i morphology, if a LTD has
H i, it is within the scatter of the CVn fit i.e. we do not detect
any LTDs in H i below the Mr′ - MHI relation. There are five H i-
undetected, blue LTDs between Mr′ = −12 and −14.2 that are >
3.5σ from the CVn fit. Given their morphology, luminosity and
colour, we would expect to detect these LTDs in H i. The most
extreme case is FCC 247, which is 5.8σ below the CVn fit. The
upper limits for the H i-undetected LTDs were calculated by us-
ing 3σ of the local RMS for a 50 km s−1 wide point source. The
H i-undetected LTDs fainter than Mr′ = −12 are within ∼ 3σ of
the extrapolated CVn fit and are ∼ 50% split between red and
blue colours. The H i-detected ETDs are well below 3σ of the
CVn fit, although this is unsurprising given that the gas-fraction
of ETDs and LTDs are significantly different, independent of
luminosity. The histogram in the upper panel of Fig. 5 shows
all of the dwarfs (black) and the H i-detected dwarfs (blue) as a
function of luminosity in our field and show that there are many
dwarfs (mainly ETDs) that span the full luminosity range and
are not detected in H i.

We measure the projected surface brightness within the ef-
fective radius (µe) of the CVn dwarfs and compare it to that of
the Fornax LTDs (Su et al. 2021). As above, we also include
the H i-detected ETDs in this comparison, even though we ex-
pect them to be a different, peculiar type of object. In Fig. 6,
we can see that the LTDs and H i-detected ETDs lie within the
scatter of the Mr′ - µe relation of the CVn galaxies. The five H i-
undetected, blue LTDs between Mr′ = −12 and −14.2 show typi-
cal surface brightness values for their luminosity. They have low
stellar masses that range (0.3 – 1.6) × 107 M�, making it likely
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Fig. 5. The luminosity-H i relation. The main panel shows Mr′ as a func-
tion of MHI. A control sample of CVn dwarfs is shown in grey diamonds
and the linear fit with 3σ scatter in the range of -18 < Mr′ ≤ -12 are
shown as the black dashed and dotted lines, respectively. Fornax LTDs
are shown as circles, where the filled circles have been detected in H i
and the open circles have not. Upper limits of the H i-undetected LTDs
are shown as downward arrows. Dashed circles enclose the LTDs with
H i-disturbed morphologies and thick crosses show the H i-detected For-
nax ETDs. All H i-detected dwarfs are labelled and coloured by their
g′−r′ colour. The dashed red line shows our H i detection limit of MHI =
5 × 105 M�. In the upper panel, the black histogram shows all dwarfs in
our field, with H i detected dwarfs shown in blue. All of the H i-detected
LTDs lie within the 3σ scatter of the CVn fit, implying that a signifi-
cant amount of H i has not been lost yet even those with disturbed H i
morphologies.

that their H i has been very recently stripped such that neither
the stellar structure nor blue stars have had a chance to fade yet.
We show the DECaLS 3-colour optical images for these LTDs in
Fig. 7.

4.3. Cluster substructure and dwarf local environment

The number density (i.e. local environment) of galaxies is crucial
in shaping their evolution. The mass of the nearby galaxies (i.e.
central vs satellite) also plays a vital role in H i removal and star
formation quenching (e.g. Spekkens et al. 2014; Poulain et al.
2022; Zhu & Putman 2023). With this in mind, we create a pro-
jected density field to reveal the substructure of the cluster. At the
central coordinates of each galaxy in our field, we assign its rel-
ative luminosity, normalised to the BCG (NGC 1399), and zero
everywhere else. The image is then smoothed by a Gaussian ker-
nel to produce the projected density field shown in Fig. 8. The
normalised luminosity factors in brighter (i.e. massive) galax-
ies having a stronger influence on nearby galaxies than the stan-
dard projected density (e.g. Σ5). Therefore, this projected density
field is a proxy for the cumulative, stellar potential throughout
the cluster. In Fig. 8, the massive galaxies (white triangles) are
clearly contributing the most to the density field. Easily identi-
fiable features include the BCG (at the centre of the pink circle
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Fig. 6. The luminosity-projected surface brightness relation. The mark-
ers and colours are the same as Fig. 5. The surface brightness for all
Fornax LTDs and H i-detected ETDs fall within the scatter of the CVn
dwarfs. The five H i-undetected LTDs between Mr′ = −12 and −14.2
show typical surface brightness values for their luminosity.

showing 0.25Rvir), the concentration of bright early-type galax-
ies west of it, and the bright spiral NGC 1365 towards the south-
west.

Fig. 8 shows that H i-detected dwarfs avoid the most mas-
sive potentials, whether that be the cumulative substructure in the
cluster centre (and just west of it), or individual massive galaxies.
This is consistent with the well-known morphology-density re-
lation (Dressler 1980) and with the Next Generation Fornax Sur-
vey (Muñoz et al. 2015), who show a higher number of nucleated
(i.e. more evolved) dwarfs in the cluster centre (Ordenes-Briceño
et al. 2018a,b). The dwarfs with H i are typically situated at large
clustocentric radii (i.e. the majority are beyond 0.5Rvir), which
holds true for 13 out of the 14 H i-detected LTDs and is what we
would expect for LTDs on their first infall. Given that the LTDs
with disturbed H i are also far from the cluster core, their H i is
being actively shaped well before they reach the cluster centre.
This is consistent with the star-forming dwarfs being concen-
trated in the outer regions of the cluster, shown by Drinkwater
et al. (2001). There is a single H i-detected ETD (FCC 207) near
the cluster centre, < 0.25Rvir in projection. This is a peculiar case
and we discuss it in the next section.

We quantify the projected distance to the closest massive
galaxy for all the LTDs in Fig. 9. The H i-detected LTDs are sit-
uated at least 100 kpc from their nearest massive galaxy in pro-
jection. There are two H i-undetected LTDs within 100 kpc of
their nearest massive galaxy. The LTDs with disturbed H i tend
to reside closer (e.g. between 100 and 190 kpc) to their nearest
massive galaxy when compared to the LTDs with undisturbed
H i. While this is not definite evidence, and projection effects in-
troduce a lot of uncertainty, it does support the notion that LTDs
can be stripped of their H i by central galaxies and maintain their
structure for a short time. Previous studies have found gas poor
and quenched dwarf satellites in low density environments (such
as the local group) and have suggested that centrals have a uni-
versal and effective satellite quenching mechanism, such as ram-
pressure stripping by the central halo (e.g. Poulain et al. 2022;
Zhu & Putman 2023).

5. The mechanisms and timescale of H i removal

There are multiple pieces of evidence that suggest the dwarf
galaxies rapidly lose their H i in the Fornax cluster. Firstly, the
most abundant galaxies in the Fornax cluster are red, ETDs
(Venhola et al. 2018, 2019). However, the cluster is still assem-
bling, which is evident by the substructure in Fig. 8 and the un-
settled giant early types, located in a region where many galax-
ies host asymmetric halos and low surface brightness features
(Iodice et al. 2016, 2019; Spavone et al. 2020, 2022). Further-
more, there are different populations of recent infallers; mas-
sive late-types that are gas-rich and have disturbed stellar bod-
ies, moderate atomic and molecular gas ratios and star forma-
tion rate deficiencies (Raj et al. 2019; Zabel et al. 2019; Loni
et al. 2021; Morokuma-Matsui et al. 2022), and a range of star-
forming dwarfs, located at the cluster outskirts (Drinkwater et al.
2001). The dwarfs with redshifts have a high velocity dispersion
compared to both the cluster and the giants, implying that dwarfs
are also currently infalling into the cluster with ∼ 70% on radial
orbits (Drinkwater et al. 2001; De Rijcke et al. 2010; Maddox
et al. 2019).

As described in Section 4, we detect H i in 14 out of the 36
LTDs, including all LTDs brighter than Mr′ = −14.2. Interest-
ingly, all H i-detected LTDs contain the expected amount of H i
as LTDs at the same luminosity in the field (e.g. Fig. 5). Be-
cause the H i-detected LTDs have a normal MHI and they are
located at large clustocentric distances (Fig. 8), they must have
recently joined the cluster and are on their first infall. Further-
more, eight of the LTDs show disturbed or asymmetric H i mor-
phologies. Considering that small perturbations, even from sec-
ular processes such as stellar feedback are able to induce asym-
metries in the stellar and H i disk in field LTDs (e.g. Begum et al.
2008; Hunter et al. 2012; Zhang et al. 2012; Poulain et al. 2022),
it is unsurprising that the majority of H i-detected LTDs in For-
nax also display stellar and H i asymmetries. The Fornax LTDs
are subjected to the same secular processes as those in the field,
as well as interacting with the ram-pressure wind of the ICM
and massive halos, tidal interactions with nearby galaxies and
the potential of the cluster. The Fornax H i-detected LTDs are
analogous to field LTDs, although, a clear difference is the un-
ambiguous evidence of the ICM ram-pressure shaping the outer
H i disk of some LTDs.

Serra et al. (2023) showed that NGC 1437A and FCC 306
have starless, H i tails pointing away from the cluster centre, with
velocity gradients aligned with the direction of the ram-pressure
wind. Using higher resolution H i images (Fig. A.1), we show
that the H i on the side facing the cluster centre is being com-
pressed into the stellar disk, an essential ingredient required to
disentangle ram-pressure and tidal tails. We further show another
three disturbed H i-detected LTDs (ESO 358-G016, FCC 102 and
FCCB 905) that may also show evidence of ram-pressure shap-
ing as they have potential H i compressions and tails pointing
away from the cluster centre. Serra et al. (2023) showed that a
combination of ram pressure and tidal forces are required to op-
erate together in the Fornax cluster. First, the H i is pulled out
of the stellar body by tidal forces. Then, this weakly bound H i
is further displaced and shaped by ram pressure as the galax-
ies travel through the ICM (Serra et al. 2023). This is consis-
tent with the low ICM density and high number density of the
Fornax cluster along with the asymmetric stellar bodies of the
H i-disturbed LTDs. Raj et al. (2019) noted the irregular stel-
lar body of NGC 1437A and suggested that the disturbed stel-
lar emission in FCC 306, ESO 358-G015, ESO 358-G016 and
ESO 358-G060 are due to interactions with the cluster potential.
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Fig. 7. The DECaLS 3-colour image of the H i-undetected LTDs. The optical 3-colour image for the five blue, LTDs between Mr′ = −12 and −14.2
that we would expect to detect in H i. Their colour, luminosity, morphology and surface brightness is the same as H i-detected LTDs, suggesting
that these five LTDs have very recently lost their H i.

This is further supported by the simulations of Mastropietro et al.
(2021) who showed that the tidal field of a Fornax-like cluster is
able to cause damage to the stellar disks of low mass galaxies
and that perpendicular gaseous and stellar tails are explainable if
they are subjected to different environmental effects. Due to the
high galaxy number density in Fornax and influence of massive
galaxies (Figs 8 and 9), we can not rule out tidal interactions be-
tween galaxies as a mechanism to distort the stellar bodies. For
example, FCC 306 is located next to NGC 1437B in projection,
an intermediate mass galaxy. Even though both have disturbed
stellar disks, they are separated by 700 km s−1 in velocity and
there is no H i connecting them down to a column density of
1018 cm−2. Another example of tidal interactions between galax-
ies is that three (ESO 358-G016, FCC 102 and FCC 120) of the
five H i-detected LTDs satellites of NGC 1365 have disturbed H i
disks and stellar bodies. As previously suggested by Loni et al.
(2021), these LTDs may be subjected to both pre-processing and
early interactions with the cluster.

Regarding the H i-undetected LTDs, 17 out of 22 are fainter
than Mr′ = −12 and they lie within the 3σ scatter of the CVn
luminosity-H i relation (Fig. 5). They also have reasonable mean
surface brightness values that follow the trend in Fig. 6. These
LTDs are so faint that even if they do contain H i along the
extrapolated CVn relation, it is below our detection limit. We
would expect to detect H i in the five remaining LTDs (between
Mr′ = −12 and −14.2) given their morphology, colour, lumi-
nosity and surface brightness. However, they all lie > 3.5σ be-

low the CVn fit (Fig. 5) and would need between ∼ 18 and 58
times more H i to lie on the median of the relation. Fig. 7 shows
their 3-colour image of these LTDs and they visually appear sim-
ilar (e.g. blue, with structure and some asymmetric stellar emis-
sion) to some of the H i-detected LTDs. FDS11 403 has a sig-
nificantly lower mean surface brightness (µe = 26.15) than the
H i-undetected LTDs in this luminosity range, and its diffuse na-
ture is a plausible explanation for why no H i is detected. The
other four H i-undetected LTDs may have very recently had their
H i stripped and not enough time has passed for them to lose their
structure and have the blue stars fade to red. Their stellar masses
range between 0.3 and 1.6 × 107 M�. A single shock to galax-
ies in this mass range can directly strip the H i and initiate the
quenching process. Therefore, low mass LTDs with H i may not
have a chance to display a disturbed H i morphology given how
rapidly it can be removed. Similarly, the H i-disturbed LTDs in
Fornax are the more massive LTDs. Their irregular H i morphol-
ogy will be visible for longer timescales as it will take a longer
(although still rapid) time or multiple events to strip all of the
H i.

FCC 090 is an interesting case. While it is classified as a
late type (Venhola et al. 2018), there are significant differences
between it and the other H i-detected LTDs. It has the ∼ same
brightness and stellar mass as NGC 1437A, although FCC 090
has a lower amount of H i by more than a factor of 10 (Table 3).
FCC 090 is one of the least blue H i-detected LTDs, occupying
the ∼ same colour region as the ETD FCC 134 (Figs. A.1 and 4).
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Fig. 8. Fornax cluster projected density field. The background image shows the projected density field on a log scale, produced by Gaussian
smoothing the luminosity ratio relative to the BCG (NGC 1399), at the position of each galaxy. The (black and white) contours emphasize the
density field, where the lowest shows the influence of M? ' 5 × 109 M� and increases by 2n. The grey dotted line shows the border of our
observed area (same as Fig. 2) the pink dashed circle is 0.25Rvir. Black crosses and open black circles are the H i-undetected ETDs and LTDs. The
filled circles and thick crosses are the H i-detected ETDs and LTDs, which have been labelled and coloured by their MHI. LTDs with disturbed
H i morphologies are enclosed with dashed black circles. Black diamonds show the intermediate galaxies and the white triangles are the massive
galaxies. The projected substructure is dominated by the brightest (hence most massive) galaxies, and the H i-detected dwarfs avoid the most
massive potentials (i.e. cluster centre and massive galaxies) in the cluster.

FCC 090 has a very high surface brightness (Fig. 6) and is not
completely smooth, with a potential bar in the core. However, its
stellar body is significantly smoother than the other H i-detected
LTDs. It resides on the edge of the scatter in the CVn luminosity-
H i fit (Fig. 5) and the velocity field (Fig A.1) does not show
any rotation, which is akin to the ETDs with H i. A tail of CO
extending beyond the stellar body and pointing away from the
cluster centre has been detected in FCC 090 (Zabel et al. 2019).
FCC 090 has a low molecular gas fraction and ram-pressure was
suggested to have created the unusual CO tail (Zabel et al. 2019),
however, our H i image (Fig. A.1) does not show a ram-pressure
tail. This does not exclude ram-pressure previously stripping
some H i gas and the mixed LTD and ETD characteristics sug-
gest that FCC 090 is a transition type dwarf (TTD; Koleva et al.
2013). Even though the H i and CO have not been fully stripped,
there is a small amount of H i in the core above a column density
of 1021 cm−2. FCC 090 has a blue core that coincides with the
high density H i, although there is no dense H i outside this re-
gion to collapse and form stars. This may explain why the stellar

morphology is smoother than the other H i-detected LTDs. As
FCC 090 is being stripped of gas while the blue stars and struc-
ture are fading, the morphological transformation may occur on
a similar timescale to the stripping of cool gas.

ESO 358-G064 is similar to FCC 299 as they both are edge-
on LTDs with H i that does not deviate much from symmetric
emission. Both galaxies also display a regularly rotating disk in
the velocity field (Fig. A.1). The clear difference is that FCC 299
is blue (as expected) and ESO 358-G064 is not. ESO 358-G064
is as red as FCC 090 and redder than the ETD FCC 134 (Figs.
A.1 and 4). A red colour can indicate the quenching of star-
formation, which may be a consequence of pre-processing. How-
ever, no other observations support this as ESO 358-G064 is be-
yond Rvir with typical MHI and µe values for its luminosity (Figs.
5, 6 and 8). The neighbouring galaxy is a confirmed background
source (Fig. A.1), ruling out tidal interactions. Rather, in the
case of ESO 358-G064 the red colour is likely a result of the
presence of dust. Dust can obscure stellar emission and artifi-
cially redden the colour of a galaxy. Most dwarf galaxies are
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Fig. 9. Projected distance to nearest massive galaxy. All dwarfs in
our observed area are shown as the filled-black histogram. H i-detected
LTDs are shown in the blue-filled histogram, LTDs with disturbed H i
are shown by the dashed green-filled histogram and H i-undetected
LTDs are the open orange histogram. There are no H i-detected LTDs
within a projected distance of 100 kpc to their nearest massive galaxy,
implying that massive galaxies play an active role in the removal of H i
from LTDs.

not dusty and the internal extinction is often insignificant (see
Henkel et al. 2022, and referernces therein). FCC 090 FCC 306
and NGC 1437A have dust masses between 0.3 and 32 × 105 M�
(Zabel et al. 2021). The optical image shows that ESO 358-G064
does indeed contain some dust. As it edge-on, the dust obscu-
ration can have an even higher internal extinction than face-on
LTDs such as NGC 1437A. A small (e.g. . 0.07) colour cor-
rection would mean that the true colour of ESO 358-G064 is
the ∼ same as other LTDs with a comparable MHI. Internal ex-
tinction from dust reddening is a more plausible explanation for
the red colour of ESO 358-G064 than the star-formation being
quenched.

The dense (e.g. NHI ≥ 1021 cm−2) H i is required to be
stripped from a LTD so that star formation ceases. Only then
can the blue stars and structure fade, thus transforming into an
red, quiescent ETD. Therefore, a morphological transformation
from a LTD to an ETD can not be faster than the dense H i strip-
ping time. However, as suggested above, it can be on a similar
timescale, particularly if there are external tidal forces disrupting
the stellar body. A possible explanation for the three H i-detected
ETDs is that they are the end phase of quenched LTDs. If a LTD
is on a tangential orbit, the H i will be slowly consumed to form
stars. There may only be a small amount of low column density
H i remaining that is not dense enough to form stars by the time
they are ETDs. Another scenario is that these ETDs have re-
cently acquired some H i through a ‘rejuvenation’ event. An ex-
ample of this could be a minor merger between a quenched ETD
with a LTD containing some H i. The ETD will appear blue from
a merger-induced starburst and retain a small amount of H i. This
has already been observed in the Fornax A subgroup (De Rijcke
et al. 2013; Kleiner et al. 2021) and is indeed a plausible scenario
in the Fornax cluster. FCC 134 is the bluest (Fig. 4 and Table 3)
H i-detected ETD and has been observed in the SAMI-Fornax
Dwarfs survey (Scott et al. 2020). The average age of the stellar
population of FCC 134 is 3 Gyr (Romero-Gómez et al. 2023).
This is young for a ETD and is only possible if there has been

recent star formation. FCC 248 is located at the end of the H i tail
of NGC 1427A. It is plausible that it overlaps in projection and
does not actually contain H i. However, at high resolutions the
H i column density peaks exactly at the position of FCC 248 and
the radial velocities of FCC 428 and the surrounding H i emis-
sion from the NGC 1427A tail are the same. Rather than being
a projection effect, we believe that FCC 248 is a quenched, red
ETD that accreted some H i from the tail of NGC 1427A, but
is not dense enough to form new stars. FCC 207 is located near
the cluster core, on the edge of the densest region of the cluster
(Figs. 2 and 8). It is difficult to explain how this red ETD has
any H i and off-centre molecular gas with disturbed kinematics
(Zabel et al. 2019). The average age of the stellar population is
6 Gyr (Romero-Gómez et al. 2023), which does not support any
recent star formation. There may be projection effects regarding
its true location, although the velocity of FCC 207 is the same as
the systemic cluster velocity. Perhaps FCC 207 favours the tan-
gential orbit slow quenching scenario or it is not actually that
near to the cluster core.

6. H i removal toy model

The cluster crossing time is ∼2 Gyr (Loni et al. 2021) and active
gas removal that quench dwarf galaxies on quicker timescales
than the crossing time has already been proposed (De Rijcke
et al. 2010; Drinkwater et al. 2001; Loni et al. 2021). Similarly,
previous works have suggested that dwarf galaxies will lose all
of their H i soon after the crossing of the virial radius or at first
pericentric passage in other (e.g. Virgo) clusters (Boselli et al.
2008, 2014a; Hester 2010; Cortese et al. 2021). This is very dif-
ficult to show observationally, as we do not have star formation
histories (SFHs) for our sample of dwarfs, which can be used
to constrain the gas removal and quenching timescales. Thanks
to our very sensitive and deep MeerKAT observations, we are
confident about which galaxies have H i down to 5 × 105 M�.
Therefore, we construct a simple toy model, that models the H i
loss as dwarf galaxies fall into the Fornax cluster, to reproduce
what we observe in Fig. 5.

In this toy model, we control only 3 parameters; i) The ac-
cretion rate (Ninfall) of dwarf galaxies falling onto the cluster
i.e. number of accreted dwarfs per Gyr, ii) t1/2, which is the
halving time of H i, assuming an exponential MHI loss using
MHI(t) = MHI,0eλt/t1/2 and λ = ln(0.5). Lastly iii) the accretion
clustering i.e. how grouped together the dwarfs being deposited
onto the cluster are – no clustering would be individual galaxies
deposited one-at-a-time and some clustering is when multiple
dwarfs are deposited simultaneously.

Galaxies in the field that consume H i to form stars will have
a ∼ constant MHI over cosmic time, provided they have a sup-
ply of gas from the cosmic web. Strong environmental encoun-
ters are responsible for removing significant amounts of H i. Hy-
drodynamical simulations (e.g. Marasco et al. 2016; Rohr et al.
2023) have shown that ram pressure, tidal interactions and the
combined effect of both, rapidly removes a significant amount
of H i. After this initial phase of H i loss, the remaining H i will
be removed at a lower rate as there is less H i to remove and it
resides deeper in the potential well. We approximate this process
to first order in our toy model by using an exponential decrease
of MHI over time.

To reproduce Fig. 5, we impose the same observational con-
straints we observe in Fornax; we do not detect H i in dwarfs
fainter than Mr′ = −13 nor do we detect any H i below MHI = 5
× 105 M� (Fig. 5). We are qualitatively looking to reproduce two
fundamental things; the number of LTDs within the 3σ scatter of
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the CVn fit, which should be on the order of ∼ 10, and numerous
objects below the detection limit, though in practice we accept
having a few objects just above it to account for the low number
statistics and error bars. If either of these criteria are not satis-
fied, then there will be too few or too many LTDs on the CVn fit
or numerous detections between MHI = 5 × 105 M� and the Mr′

- MHI relation, which are not observed in Fornax. We presume
there is nothing special about observing the Fornax cluster at this
time, and given that we are modelling the MHI loss, we should
be able to reproduce Fig. 5 in multiple snapshots.

We model infalling dwarf galaxies onto the cluster as blue,
field LTDs that populate the Mr′ - MHI plane according to the
CVn distribution. To achieve this, a random FDS dwarf mag-
nitude chosen and the corresponding MHI is computed from a
random normal distribution centered on the Mr′ - MHI CVn fit
with 3σ scatter (Fig. 5). Then, galaxies in the cluster exponen-
tially lose their MHI (as above) and additional dwarfs are con-
tinually deposited onto the cluster as time evolves. We explored
a combination of parameters that spanned two orders of magni-
tude both in Ninfall and t1/2. In Fig. 10 we show the result with
the best values to reproduce Fig. 5. A Ninfall = 100 Gyr−1 is re-
quired to reproduce ∼ 10 (i.e not too few or too many) dwarfs
on the CVn fit and is a reasonable value as we know that ∼ 300
dwarfs are in the Fornax cluster within the observed MFS area at
z ∼ 0. The best value for the MHI halving time is t1/2 = 0.03 Gyr,
as the dwarfs lose H i rapidly enough that numerous objects are
below the detection limit with few objects just above it at any
given snapshot. However, we are only able to simultaneously
reproduce both these criteria by including some accretion clus-
tering that simultaneously deposits 20 dwarfs onto the cluster.
This is actually a more realistic scenario and akin to how the
cosmic web funnels galaxy groups onto clusters. The majority
of snapshots qualitatively reproduce what we observe in Fornax,
although snapshots at t = 0.4, 1.0, 1.8, 2.8, 4.0 and 4.2 Gyr are
the most alike Fig. 5.

In Table 4, we show the time it takes for galaxies in the
MHI range of 106 - 109 to be undetectable by the MFS in our
toy model. This is a simplistic way of modeling the H i loss as
it does not take into account how galaxies lose their H i, only
the rate that H i is removed. Therefore, the timescales in Table 4
should not be overstated. Despite the simplicity, our timescales
are consistent with low mass dwarfs being directly stripped of
their H i in a single shock (e.g. what we expect happened to the
H i-undetected LTDs between Mr′ = −12 and −14.2), more mas-
sive LTDs harbouring disturbed H i morphologies due to longer
times or multiple events being required to fully strip their H i,
and not detecting any LTDs in H i below the Mr′ - MHI relation.
These timescales are significantly shorter than the 2 Gyr clus-
ter crossing time and consistent with active and efficient H i re-
moval from LTDs in the Fornax cluster. In the Virgo cluster it
has also been estimated that LTDs with MHI ∼ 4 × 107 M� will
be stripped of H i in ∼ 150 Myr (Boselli et al. 2008; Kenney et al.
2014). While we constrain the H i removal timescale for dwarf
galaxies in the Fornax cluster, the morphological transformation
from a LTD to an ETD in clusters and the field is not well con-
strained. As mentioned previously, it can not be quicker than the
H i removal timescale, although it may be able to occur on a sim-
ilar timescale, particularly with external tidal fields shaping the
stellar body. FCC 090 may suggest that a morphological trans-
formation can occur in parallel with the H i removal, although
this is just one case and not direct evidence of both transforma-
tions occurring at the same rate.

Table 4. The ∼time it takes for dwarfs with different MHI to be unde-
tectable in the MFS, as measured from our H i removal toy model.

log(MHI) ∼ tH i loss
(M�) (Myr)

6 30
7 150
8 240
9 330

7. Summary

We present results on the H i content of dwarf galaxies in the cen-
tral ∼ 2.5 × 4 deg2 of the Fornax cluster located 20 Mpc away as
part of the MeerKAT Fornax Survey. In this work we show three
different H i images that correspond to a 3σ column density sen-
sitivity range between 2.7 and 50 × 1018 cm−2 over 25 km s−1 for
spatial resolutions between 4 and 1 kpc. Such impressive sensi-
tivity enables us to detect a 3σ point source with a line width of
50 km s−1 down to a MHI = 5 × 105 M�.

We detect H i in 17 out of the 304 dwarfs. Seven are new H i
detections and we discover new H i features in previously known
detections. Our H i detected dwarfs consist of 14 out of the 36
LTDs, and 3 of the 268 ETDs. Eight of the H i-detected LTDs
show irregular or asymmetric H i emission in the form of H i
tails, significant warps or non-rotating components. NGC 1437A
and FCC 306 are clearly having their H i shaped by ram-pressure
as they have one-sided starless H i tails pointing away from
the cluster centre and velocity gradients aligned with the ram-
pressure wind direction (Serra et al. 2023). We show in the high
resolution images that their H i closest to the cluster centre is
being compressed into the stellar disk along with an additional
three LTDs that show evidence of H i compression and one-sided
tails, albeit they are less obvious than NGC 1437A and FCC 306.
Serra et al. (2023) suggested that tidal forces are required in ad-
dition to ram pressure to reproduce the observed properties of
some H i-disturbed cluster galaxies and we observe the same as
the eight H i-disturbed LTDs have asymmetric or lopsided stellar
emission.

To reveal the substructure of the cluster, we create a projected
density field and find that all the H i-detected dwarfs avoid the
most massive potentials (i.e. cluster centre and massive galax-
ies). None of the H i-detected LTDs are within a projected dis-
tance of 100 kpc to their nearest massive galaxy, implying that
massive galaxies play an active role in the removal of H i from
LTDs.

The H i-detected LTDs have most likely recently joined the
cluster and are on their first infall as they are located at large
clustocentric radii i.e. beyond 0.5Rvir, and have comparable MHI
and µe at fixed luminosity when compared to blue, star-forming
LTDs in the field. We detect H i in all LTDs brighter than Mr′ =
−14.2, which corresponds to a M? between ∼ 1.6 × 107 and 109

M�, a range where LTDs can briefly display a disturbed H imor-
phology. At luminositites between Mr′ = −12 and −14.2, M?

range ∼ (0.3 – 1.6) × 107 M�, we detect one LTD with a normal
amount of H i which is again, analogous to a field LTD, and five
LTDs that may have very recently had their H i stripped. Given
their colour, luminosity, morphology and surface brightness, we
would expect to detect H i but do not, down to MHI = 5 × 105

M�. Direct stripping from a single shock is likely to occur in
this mass range (and below) such that these LTDs transition be-
tween having a normal amount of H i to no H i and never show
a disturbed H i morphology. No LTDs are detected in H i fainter
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Fig. 10. The toy model of H i removal in the cluster. The best results to reproduce Fig. 5, showing what we would observe every 0.2 Gyr. The grey
diamonds are the CVn galaxies, the dashed black line shows the linear fit used to populate infalling galaxies to the CVn galaxies and the dotted
lines show the 3σ scatter. The blue filled circles are galaxies in the cluster and the red dashed lines are the observational constraints both in Mr′

and MHI, such that we would not detect a galaxy in H i in the red shaded regions. With Nin f all = 100 Gyr−1 and t1/2 = 0.03 Gyr we are able to
qualitatively reproduce what we observe in Fig. 5.

than Mr′ = −12. Assuming that the Mr′ - MHI relation can be ex-
trapolated down to these low luminosities, our upper limits are
consistent with those galaxies having a normal MHI.

We create a simple toy model that deposits field LTDs onto
the Fornax cluster and removes their H i at an exponential rate.
In order to reproduce what we observe in the Fornax cluster –
enough LTDs on Mr′ - MHI plane and no LTDs detected in H i
below the Mr′ - MHI relation, we find that the H i of a MHI = 108

M� dwarf will be stripped in ∼ 240 Myr. As this is much shorter
than the cluster crossing time, active H i removal must be occur-
ring in the cluster. Our toy model is consistent with low mass
LTDs being directly stripped of their H i (e.g. through a single
shock) and more massive LTDs harbouring disturbed H i mor-

phologies due to longer times or multiple events being required
to fully strip their H i.

FCC 090 is likely a TTD as it shares joint properties with
LTDs and ETDs. It is one of the least blue with the smoothest
stellar body of the H i-detected LTDs, does not show any rota-
tion in the H i velocity field and resides at the edge of the scatter
below the median of the Mr′ - MHI relation. This is tentative evi-
dence that in a cluster, a morphological transformation can occur
in parallel on a similar timescale to the stripping of H i. It is dif-
ficult to discern the origin of the peculiar H i-detected ETDs. For
two of them, we believe it is more likely that they have recently
acquired some H i through a ‘rejuvenation’ event. FCC 134 is
blue with a young average stellar population age for an ETD
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and may have acquired some H i through a minor merger that in-
duced a starburst. FCC 248 may have accreted some H i from the
tail of NGC 1427A, but is not dense enough to form new stars.
FCC 207 does not fit the scenario of recently acquiring H i. It is
located near the cluster core with a typical ETD stellar popula-
tion age. The systemic velocity of FCC 207 is the same as the
systemic cluster velocity, although there still may be projection
effects. Otherwise, a slow quenching process from a tangential
orbit could potentially produce an ETD with a small amount of
H i near the cluster core.

In this work, we have demonstrated how active and efficient
H i removal is required to reproduce the multiwavelength proper-
ties of the dwarf galaxies in the Fornax cluster. The H i is rapidly
stripped from infalling galaxies on the order of a few hundred
Myr, which is responsible for producing the hundreds of quies-
cent ETDs in the cluster. The H i is removed via both tidal and
hydrodynamical forces operating in the cluster. While the MFS
is on-going, this work has covered the central and most efficient
region of H i-removal in the cluster, out to ∼ Rvir. This is the first
time dwarf galaxies of this mass have been detected and resolved
beyond the local group and in a galaxy cluster.
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Fig. A.1. Full Fig. 3 that show all 17 H i detections.
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ABSTRACT

One of the major sources of perturbation in the solar cycle amplitude is believed to be the emer-

gence of anomalous active regions which do not obey Hale’s polarity law and Joy’s law of tilt angles.

Anomalous regions containing high magnetic flux that disproportionately impact the polar field are

sometimes referred to as “rogue regions”. In this study – utilizing a surface flux transport model –

we analyze the large-scale dipole moment build-up due to the emergence of anomalous active regions

on the solar surface. Although these active regions comprise a small fraction of the total sunspot

number, they can substantially influence the magnetic dipole moment build-up and subsequent solar

cycle amplitude. Our numerical simulations demonstrate that the impact of “Anti-Joy” regions on the

solar cycle is similar to those of “Anti-Hale” regions. We also find that the emergence time, emergence

latitude, relative number and flux distribution of anomalous regions influence the large-scale magnetic

field dynamics in diverse ways. We establish that the results of our numerical study are consistent with

the algebraic (analytic) approach to explaining the Sun’s dipole moment evolution. Our results are

relevant for understanding how anomalous active regions modulate the Sun’s large-scale dipole moment

build-up and its reversal timing within the framework of the Babcock-Leighton dynamo mechanism –

now believed to be the primary source of solar cycle variations.

1. INTRODUCTION

Active regions emerging on the solar surface have long been considered the primary element through which the

solar cycle manifests itself (Schwabe 1844). Short and long-term evolution of the magnetic field associated with active

regions drives solar magnetic events such as flares, coronal mass ejections, energetic particle releases, etc., besides

controlling the Sun’s total electromagnetic output. These activities subsequently affect the Earth and its vicinity,

specifically satellite operations, telecommunications, and contribute to various aspects of space weather (Nandy 2004;

Nandy & Martens 2007; Schrijver et al. 2015). Since surface magnetic field distribution and its evolution play crucial

roles in governing the short and long-term changes in space weather and space climate, respectively, it is vital to

study the large-scale surface magnetic field during a solar cycle as well as its cycle to cycle irregularities (Bhowmik &

Nandy 2018; Petrovay et al. 2020; Nandy 2021; Bhowmik et al. 2023). The magnetic cycle of the Sun can be explained

using the Babcock-Leighton (B-L) Solar Dynamo theory (Leighton 1964; Piddington 1972; Wang et al. 1991; Hazra

& Nandy 2016; Charbonneau 2020; Fan 2021; Hazra et al. 2023). At the solar activity minimum, the global magnetic

field is primarily dominated by the poloidal field component, which is predominantly dipolar. The solar differential

rotation stretches this poloidal field longitudinally to generate the toroidal field component in the tachocline region.

Amplified toroidal flux ropes eventually encounter magnetic buoyancy in the convection zone and emerge primarily

as Bipolar Magnetic Regions (BMRs) (Nandy 2002; Gilman 2018; Fan 2021). Near the Sun’s equator, the leading

sunspot polarities of two opposite hemispheres annihilate each other, and the remaining trailing spot (mainly of uni-

polar magnetic fields) drifts towards the respective poles via large-scale meridional flow and diffusion. During the first

half of the solar cycle, many such trailing polarities reaching the polar region eventually cancel the existing large-scale

∗ dnandi@iiserkol.ac.in
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polar field and create a new one with the opposite sign. This reversal of the global dipolar field happens during the solar

cycle maximum, and the new polar field keeps growing till the end of the cycle. This whole process of redistribution of

active region-associated magnetic flux on the solar surface is known as the B-L mechanism (Babcock 1961; Leighton

1964; Mackay & Yeates 2012; Jiang et al. 2014). One of the existing hypotheses explaining the dynamo cycle involves

meridional circulation advecting the poloidal field down to the tachocline region from the solar photosphere followed

by the generation and enhancement of toroidal field via Parker’s Ω-effect (Parker 1955) - thus completing the full solar

cycle. Therefore, the B-L mechanism is the primary means for evolving the polar field and also a crucial component

controlling variability in the amplitude of sunspot cycles over decadal to century-scales (Nandy & Choudhuri 2001;

Dasi-Espuig et al. 2010; Muñoz-Jaramillo et al. 2010; Bhowmik & Nandy 2018; Kumar, Rohit et al. 2019; Dash et al.

2020; Nandy et al. 2023).

Active regions associated with a solar cycle have their own characteristics and largely follow specific patterns. They

emerge closer to the equator as the cycle progresses. This latitudinal variation of active regions in both hemispheres

primarily follows Spörer’s Law (Carrington 1858). Hale’s polarity law (Hale et al. 1919; Hale & Nicholson 1925)

determines the sign of magnetic polarities (positive/negative) of active regions also known as Bipolar Magnetic Regions

(BMRs) in each hemisphere. According to Hale’s law, the relative order of magnetic polarities of the leading and

trailing spots remains the same in a particular hemisphere, but it’s the opposite between the northern and southern

hemispheres. To elaborate, if, during a particular cycle, the leading spots of BMRs emerging in the northern hemisphere

have positive polarity, the trailing spots will be of negative polarity. The pattern would be opposite for the southern

hemispheric BMRs with negative leading spots and positive trailing spots. This polarity order also reverses every solar

cycle. Observations suggest that for most sunspot groups, their leading and following spots are seated close to the

equator and the pole, respectively. Thus, the magnetic axis joining the centers of the two spots (leader and follower)

has a weak statistical tendency to have a slight positive (negative) tilt angle with the axis parallel to the solar equator

in the northern (southern) hemisphere. The amplitude of tilt angles generally increases with increasing latitude. This

relation between active regions’ emergence latitudes and tilts is well known as Joy’s tilt Law (Hale et al. 1919). Coriolis

force, responsible for twisting the toroidal flux tube during the time of emergence is believed to cause this tilt angle

(Choudhuri & Gilman 1987; Fisher et al. 1995; Kleeorin et al. 2020).

Spörer’s law, Joy’s tilt law, and Hale’s polarity law - these three well-observed laws that describe the location and

orientation of sunspot pairs on the solar surface, play a key role in understanding the solar magnetic cycle and its

variations through B-L mechanism. The emerging sunspots which do not obey these laws can significantly impact the

long-term behaviour of the large-scale solar magnetic field. We have termed these spots ‘anomalous regions’. Rogue

region is also one category of anomalous regions whose flux and tilt angle is very high (Nagy et al. 2017, 2019). In short,

‘anomalous’ classification introduced in this manuscript corresponds to all categories of Anti-hale and Anti-joy regions

(or combinations of both) irrespective of the amount of flux and degree of tilt angle. We investigate the strength of

impact on the solar cycle for these different categories of anomalous regions due to their diversity of tilt characteristics,

flux content and spatio-temporal distribution.

There are several theories on the generation of such anomalous regions. Anti-Joy regions (with tilt angles opposite

from what should be according to their latitudinal positions) emerge due to two reasons primarily: (1) randomness

in Coriolis force (Schmidt 1968), (2) convective buffeting of flux tubes (Weber et al. 2013). For the Anti-Hale regions

(regions with opposite polarity orientation), studies suggest that they can be formed due to (1) kink instability in

highly twisted magnetic flux tube (Nandy 2006; Knizhnik et al. 2018), (2) oppositely oriented toroidal flux-tubes within

the convection zone (Stenflo & Kosovichev 2012), (3) transport of Hale regions from opposite hemisphere (McClintock

et al. 2014), and (4) small-scale dynamo action creating sunspots at the end of the cycle (Sokoloff et al. 2015).

Past studies suggest that tilt quenching and variation in the meridional circulation are vital factors causing cycle

irregularities (Wang et al. 2002; Dasi-Espuig et al. 2010; Upton & Hathaway 2014). Additionally, the scattering in

active regions’ tilt angles and Anti-Joy regions produce significant changes in large-scale polar field build-up and open

magnetic flux dynamics during a solar cycle (Cameron et al. 2010; Jiang et al. 2014). Besides, the appearance of

a single large Anti-Joy and Anti-Hale region can have a substantial effect on cycle amplitude, which was argued by

past studies (Yeates et al. 2015; Jiang et al. 2015) as a probable cause of weaker peaks during solar cycles 23 and 24.

A large rogue region emerging at different cycle phases and latitudes with varying fluxes also affects the subsequent

sunspot cycle peak activity (Nagy et al. 2017, 2019). Previous observation-based studies claimed that the Anti-Hale

or Anti-Joy spots appearing on the solar surface constitute a certain percentage of the total number of sunspots in a

cycle, varying from 3% to 10% (McClintock et al. 2014; Li 2018; Zhukova et al. 2020; Muñoz-Jaramillo et al. 2021).
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Thus, it is essential to explore the effect of a group of these anomalous regions on the large-scale surface magnetic

field distribution and the overall polar magnetic field variability - which we investigate in this present work. Our

detailed quantitative analyses are based on multiple numerical simulations using a data-driven surface flux transport

model (Bhowmik & Nandy 2018). In these simulations, we consider three classes of anomalous regions based on the

orientations and polarities of the two spots within the active regions and study the consequences individually. We

also investigate how their effects vary depending on the following factors: their latitudinal position, emergence timing

relative to the cycle phase, associated magnetic flux and abundance compared to remaining standard Hale-Joy regions.

The presented work is assembled as follows: in Section 2, we describe the computational model used in our study.

Section 3 summarizes the results we obtain from our simulations. In section 4, we validate the results using algebraic

approximation and finally, we present our conclusions with relevant discussion in Section 5.

2. SIMULATION SET-UP

2.1. Surface Flux Transport Model

Surface Flux Transport (SFT) models are utilized to demonstrate the time evolution of the large-scale photospheric

magnetic field distribution according to the Babcock-Leighton mechanism. This model includes the effects of su-

pergranular turbulent diffusion (η) and advective transport through large-scale plasma flows like differential rotation

[ω(θ)] & meridional circulation [v(θ)] and particularly solves the radial part of the magnetic induction equation which

is given by,

∂Br
∂t

= −ω(θ)
∂Br
∂φ
− 1

R� sin θ

∂

∂θ

(
v(θ)Br sin θ

)
+

η

R�
2

[
1

sin θ

∂

∂θ

(
sin θ

∂Br
∂θ

)
+

1

sin2 θ

∂2Br
∂φ2

]
+ S(θ, φ, t). (1)

Where Br denotes the radial component of the magnetic field, θ and φ are colatitude and longitude, respectively.

We choose a constant turbulent magnetic diffusivity of η = 250 km2s−1 for our model (the same value was used in

calibrated century-scale observational data-driven SFT simulations by Bhowmik & Nandy, 2018). The source term,

S(θ,φ,t), mimics the emergence of new active regions on the solar surface. R� is the solar radius. Equation (1) is

solved in a domain, θ : 0 to π and φ : 0 to 2π radians, i.e., covering the whole photosphere. The same SFT code based

on spherical harmonics expansions (with degrees, l: 1 to 63) has been used in many past studies (Nandy et al. 2018;

Bhowmik & Nandy 2018; Bhowmik 2019).

To include the observed large-scale axisymmetric plasma flow in the toroidal direction, known as differential rotation,

ω(θ), we rely on the following mathematical expression, provided by Snodgrass (1983),

ω(θ) = 13.38− 2.30 cos2θ − 1.62 cos4θ degrees day−1. (2)

This profile is in accordance with the helioseismic observation (Durney 1974; Schou et al. 1998). In addition, there

is another observed weak large-scale plasma flow named meridional circulation (Hathaway 1993; Komm et al. 1993;

Mahajan et al. 2021; Hanasoge 2022), which helps in transporting magnetized plasma from the equatorial region to the

poles in respective hemispheres. In our simulation set-up, this flow is bounded within 0◦ to ±75◦ in each hemisphere,

attains the peak amplitude in the mid-latitudes and becomes zero at the equator. We choose a time-independent

meridional velocity profile similar to van Ballegooijen et al. (1998),

v(λ) = −v0 sin(πλ/λ0) if |λ| < λ0 (3)

v(λ) = 0 if |λ| > λ0 (4)

(5)

Where, λ is latitude and λ0 is the limiting latitude (λ0 = 75◦) beyond which meridional flow vanishes. The amplitude of

the meridional flow (v0) is set at 15 m/s. We initialize our simulation with a dipolar configuration of surface magnetic

field concentrated primarily near the 20◦ broad polar cap region (±70◦ to ±90◦) in both hemispheres. The unsigned

strength of the initial polar flux in one hemisphere is nearly about 2 x 1022 Mx which is consistent with observations.
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2.2. Synthetic Sunspot Cycle Profile

Modeling the source term [S(θ, φ, t)] in equation (1) in SFT simulations requires information on emergence latitude,

longitude, tilt angle and area of each region which can be constrained by observed properties of active regions. For

our study, we use the synthetic solar cycle data which is prepared utilizing mathematical relations based on general

properties of observed solar cycles and their associated active regions. First, we consider a time-dependent Gaussian

curve to reproduce the sunspot number time series following Hathaway (2010). The time-latitude distribution band of

active regions is inspired by Jiang et al. (2011). We use the following square root relation, α = C
√
|λ| to incorporate

Joy’s tilt law in our synthetic data set. Here, α is the tilt angle and λ is the latitudinal position of the centroid of

the BMR. The tilt angle of BMRs can be constrained with the variation of cycle strength and the localized inflows,

incorporated in the constant factor “C” (Jiang et al. 2014). We consider a uniform distribution of active regions over

the longitudinal domain of the solar photosphere.

Since large sunspots rarely emerge during the initial and declining phase of a cycle, it is preferable to use a polynomial

distribution fitted to sunspot observations to model their area distribution (Jiang et al. 2011; Muñoz-Jaramillo et al.

2015). In order to prescribe the associated magnetic flux, we follow the relationship: Φ(A) = 7.0 × 1019 A (Maxwell),

where A represents the area of the whole active region in micro-hemispheres (Dikpati et al. 2006). We assume that

all active regions are typical β-spots having equal flux in two polarities. We model each BMR with a Gaussian profile

prescribed by van Ballegooijen et al. (1998).

2.3. Preparation of Anomalous Active Regions

As discussed earlier, a few emerging active regions may have different orientations and polarities in contrast to the

standard Joy’s tilt law and Hale’s polarity law. We categorize four possible combinations in which three are considered

(see the last three cases in Figure 1a) as candidates of anomalous regions.

• Configuration 1 (H-J): the standard Hale-Joy BMRs (non-anomalous) with negative leading polarity and positive

following polarity in the northern hemisphere and the opposite pattern in the southern hemisphere (see first case

in Figure 1a). These strictly follow Joy’s tilt law and are the “ideal” spots (denoted by H-J hereafter).

• Configuration 2 (AH-J): BMR that does not follow Hale’s polarity law but follow Joy’s tilt law. These configu-

rations are also known as Anti Hale-Joy BMRs (AH-J hereafter).

• Configuration 3 (H-AJ): BMR that follows Hale’s polarity law but have an opposite tilt, unlike H-J, thus, violating

Joy’s tilt law. As an example, consider the expected positive tilt angle of a BMR in the northern hemisphere to

be negative instead. Such a BMR is categorized as a Hale-Anti Joy BMR (H-AJ hereafter).

• Configuration 4 (AH-AJ): this is the rarest one where the BMR neither follows Hale’s polarity law nor Joy’s tilt

law. It is then an Anti Hale-Anti Joy BMR (AH-AJ hereafter).

The middle and last columns of Figure 1 show observational evidence of the above configurations of active regions

appearing during Solar Cycle 24.

In most of our simulations, we consider 5% anomalous regions of any kind (AH-J, H-AJ or AH-AJ) comprising 5%

of the total unsigned flux associated with the active regions of the whole cycle. We place anomalous regions over the

time-latitude domain using a random number generator (see the 1st row in Figure 2; the black dots represent anomalous

regions). In addition, we also prepare six separate cases by varying emergence latitudes and phases associated with AH-

J BMRs. The butterfly diagrams corresponding to these cases are shown in the middle and last panel of Figure 2. With

each of these different synthetic sunspot series, we perform disparate SFT simulations as described in the following

section 3.

3. RESULTS

In order to understand the effect of anomalous active regions on the surface magnetic field we primarily focus on

large-scale magnetic field distributions. Especially, it is well-established that the polar field and the axial dipole

moment at the end of the solar cycle, which closely reflect the large-scale field distribution, strongly correlate with the

succeeding cycle amplitude (Yeates et al. 2008; Muñoz-Jaramillo et al. 2013; Bhowmik & Nandy 2018). We calculate

the dipole moment in the following way,

DM(t) =
3

4πR2
�

∫ 2π

φ=0

∫
λ

Br(λ, φ, t) sinλ cosλ dλ dφ, (6)
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where λ and φ represent latitude and longitude, respectively. R� is the solar radius. DM(t) denotes the global axial

dipole moment. The dipole moment calculation involves the whole latitudinal and longitudinal domain i.e. the entire

photospheric radial magnetic field.

3.1. The Effect of Anomalous Regions on Axial Dipole Moment

We initially perform four SFT simulations (duration: 22 years each). One simulation with all H-J spots and the

other three simulations are with 5 % anomalous regions in configurations AH-J, H-AJ, and AH-AJ respectively, while

the remaining 95 % are H-J regions. It is noted that the spatio-temporal distribution of anomalous regions is kept the

same as sunspots in these cases. Figure 3 depicts the evolution of the dipole moments associated with each of these

four simulations, where the anomalous regions were introduced beyond year 11, i.e. in the second cycle. We notice

that there is no significant difference in the dipole moment variation for H-J and AH-AJ BMR distribution while AH-J

and H-AJ both behave similar to each other, yet significantly different from H-J and AH-AJ. Quantitative details of

the dipole moment amplitude for these four configurations are provided in table 1 (see Sl No. 1 to 4).

In order to understand what leads to these similar outcomes from apparently different BMR configurations, we

investigate the temporal evolution of a single BMR each having ∼ 60◦ tilt angle corresponding to the four configurations

individually (see Figure 4).

Due to differential rotation, the large-scale surface plasma flow in the azimuthal direction is faster near the equator

than at higher latitudes. Consequently, the following spot of an H-AJ region nearer to the equator will advect more

towards the right than the leading spot and eventually will attain a configuration similar to that of AH-J. After a

short period of evolution (∼ 50 days in our simulations), the only difference remaining between an H-AJ and an AH-J

region is that H-AJ region has a higher tilt angle and lower separation between its two polarities than AH-J (see

the middle two rows in Figure 4). The differential rotation has a similar effect on an AH-AJ region, as it evolves

to converge toward the standard H-J configuration with a lower latitudinal separation and a higher tilt angle (see

the top and bottom rows in Figure 4). Now, the timescale of convergence between the two sets of configurations

(H-J & AH-AJ, AH-J & H-AJ) depends on the initial tilt and emergence latitude, which primarily decide the angular

separation between the two spots of the BMR (given that their sizes are similar). In the case of a typical observed

active region, its tilt and, thus, the latitudinal separation are much smaller. This makes the timescale of convergence

for the two sets of configurations longer. However, the time scale of empirical sunspot evolution is short compared to

long-term behaviour and can be considered transient to the entire solar cycle progression. This explains the similar

temporal evolution and the final amplitude of the dipole moments at the end of the 22-year-long SFT simulations (H-J

– AH-AJ and AH-J – AH-AJ), even with apparently different classes of anomalous regions. Increasing the percentage

of anomalous regions to as high as 25 % does not alter this generic behavior, indicating that the effect of the differential

rotation on active regions is quite robust and swift.

3.2. Effect on the Succeeding Cycle Amplitude and Time Period

The previous section demonstrates how the AH-J and H-AJ BMRs effectively cause the same variation in the large-

scale dipole moment build-up dynamics. Hereafter we limit our analyses only to AH-J regions for simplicity. In the

context of solar cycle predictions using either dipole moment or polar flux, we quantitatively evaluate the effect of AH-J

regions on the final dipole moment amplitude at the cycle minimum and speculate its implications on the following

cycle amplitude.

We utilize magnetic butterfly diagrams (Figure 5) depicting the spatio-temporal evolution of the longitudinally

averaged Br on the solar surface to compare two SFT simulations: one with all H-J regions and another one with 5 %

AH-J regions (remaining 95 % are H-J regions). We notice two significant differences.

Firstly, in both hemispheres, magnetic fluxes predominantly from the following spots migrate towards the poles as

an effect of the B-L mechanism. The amount of these unipolar surges, negative in the northern hemisphere (positive

in the southern hemisphere), is relatively higher in H-J configuration than in AH-J.

Secondly, in the second SFT simulation that contains AH-J regions, some negative (in the northern hemisphere)

polar surges are suppressed by the magnetic flux associated with the positive following polarities of AH-J regions (see

within the blue rectangle in Figure 5). A similar scenario is observed in the southern hemisphere with opposite polarity

surges. The overall effect on the evolution and build-up of the large-scale polar magnetic field is manifested in two

ways: delay in its polarity reversal and weaker final amplitude at the end of the cycle in the second simulation with
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AH-J regions compared to purely H-J simulation. Consequently, the succeeding solar cycle is expected to be weaker

and have a relatively extended cycle duration (Waldmeier 1935; Dikpati et al. 2008; Karak & Choudhuri 2011).

Such changes should be more profound with more AH-J spots, which we verify by performing several SFT simulations

with increasing percentages of AH-J regions. Statistical correlation analysis of the decrement of dipole moment

amplitude at the solar minimum with the increasing percentage of AH-J regions shows a strong positive correlation

with 99.9 % confidence (Spearman coefficient is 0.963) in our SFT simulations. Subsequently, the delay in dipole

moment reversal compared to H-J regions bears a positive correlation with the increasing number of AH-J regions

(Spearman coefficient is 0.97 with 99.9 % confidence).

3.3. Relative Effectivity between the Number and Magnetic Flux of Anomalous Regions

According to the basic features of the B-L mechanism, which dictates the evolution of the large-scale magnetic field

on the solar surface, the total amount of magnetic flux associated with active regions should have more significance

than the total number of regions itself. Although past observational studies (McClintock et al. 2014; Li 2018; Muñoz-

Jaramillo et al. 2021) provide an estimate of the number of AH-J regions (3 % to 10 %), there is scanty information

about the total flux contained by these anomalous regions. Thus we perform additional SFT simulations with the

aim of determining which one is more important: the number of AH-J regions (relative to H-J regions) or the amount

of AH-J region-associated magnetic flux (relative to H-J flux). Thus we consider four distributions and compare the

corresponding dipole moment evolution (Figure 6).

(a) AH-J regions constituting 5 % of the total number of active regions and 5 % of the total active region-associated

magnetic flux. Here the variation in number and flux is mentioned as % number-% flux (thus, 5 % - 5 % hereafter).

(b) AH-J regions constituting 10 % of the total active regions and 5 % of the total flux (10 % - 5 % hereafter).

(c) AH-J regions constituting 5 % of the total active regions but 10 % of the total flux (5 % - 10 % hereafter).

(d) AH-J regions constituting 10 % of the total active regions and 10 % of the total flux (10 % - 10 % hereafter).

In Figure 6a, we first observe a close resemblance between the dipole moment evolution in cases with fixed flux but

different numbers of AH-J regions: 5 % - 5 % (orange curve) and 10 % - 5 % (dark-orange curve). Whereas changing the

flux from 5 % to 10 % while keeping the number of AH-J regions fixed to 5 % shows a more profound impact on the

reversal timing and final amplitude of the dipole moment at the end of the cycle (see the orange and dark-orange curve

in Figure 6a). This difference in the large-scale magnetic field evolution becomes increasingly apparent in the later half

of the cycle. However, the importance of the number density of AJ-H regions cannot be entirely disregarded. The same

amount of magnetic flux (for example, 10 %) can be distributed in one or many AH-J regions randomly positioned in the

activity belt. Depending on their emergence timing and latitude (and tilt angle), additional variations will appear in

the dipole moment evolution. We test it by performing additional twenty SFT simulations with different realizations of

the time-latitudinal distribution of AH-J regions. The corresponding dipole moment evolution is depicted in Figure 6b.

The outer curves encompassing the shaded area denote the dipole moment evolution with maximum and minimum

amplitudes for cases: 5 % - 10 % (dark-magenta) and 10 % - 10 % (magenta). The width and significant overlap of these

two regions indicate that the relative importance between the number and magnetic flux is subjected to the particular

distribution of the associated emergence timing, location and latitude-based tilt angles of anomalous spots. The details

of these variations are discussed in the next section.

3.4. Effect of Spatio-temporal Variability of the Anomalous Active Region Distribution

So far, in our SFT simulations, we randomly distribute the anomalous regions over the activity belt of the entire solar

cycle. However, results from the previous section (3.3) indicate that emergence timing and latitude of such regions could

introduce more variability in the large-scale magnetic field evolution. Moreover, earlier studies on observed sunspots

(Sokoloff et al. 2015; Li 2018) claim preferential spatio-temporal distribution of anomalous regions which differs from

cycle to cycle. Thus, we perform six more SFT simulations to address variations of AH-J region distribution as follows.

We consider that AH-J regions emerging during the: (1) initial phase of the cycle, (2) middle phase i.e. around

the cycle maximum, and (3) declining phase of the cycle. Furthermore, we consider other cases with AH-J regions

concentrated (4) at higher latitudes, (5) at mid-latitudes and (6) near the equatorial region (low latitudes). The

corresponding activity belts are shown in Figure 2 and the dipole moment evolution is depicted in Figure 7.
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For the case with AH-J regions emerging predominantly in the initial phase (simulation 1) of the cycle, we notice a

slightly delayed reversal (Figure 7a) of the dipole moment caused by unipolar surges from the following spots of AH-J

regions which have the same polarity as the existing polar field. However, in the later stage of the cycle, the surface

field is dictated by mostly H-J regions, which facilitate a faster increase of the dipole moment, thereby resulting in a

final amplitude similar to the standard randomly distributed AH-J regions all over the activity belt (see orange and

violet curve in Figure 7a). The impact of AH-J regions appearing around the cycle maximum (simulation 2) is reflected

in the significant delay in the reversal of dipole moment (see the grey curve in Figure 7a). Note that the bulk of AH-J

regions are introduced from year 4 onwards, and the dipole moment almost immediately starts deviating from the H-J

case showing a rather sharp deviation in year 5. The effect persists until the cycle minimum with a weaker final dipole

moment. Finally, in the case of AH-J regions emerging during the declining phase of the cycle (simulation 3), the

dipole moment reversal epoch is similar to the H-J simulation (see the green and red curves in Figure 7a). However,

the final dipole moment strength is the weakest among all three cases mentioned so far. It is caused by the magnetic

flux contribution from the following spots of AH-J regions (having opposite polarity compared to the newly-built polar

field) appearing mostly at the end of the activity cycle.

The dipole moment evolution for the three simulations with AH-J regions preferentially emerging in the high (simula-

tion 4), mid (simulation 5), and low latitudes (simulation 6) are depicted in Figure 7b. We notice that the high-latitude

distribution has minimal effect on the dipole moment (pink curve in Figure 7b), resulting in a similar evolution as

in all H-J regions case, also concurring with the findings of Yeates et al. (2015). However, the dipole moment corre-

sponding to the simulation with mid-latitude emergences of AH-J regions is almost equivalent to the standard case

(where AH-J regions are distributed all over the cycle). The maximum impact on the dipole moment is caused by

the AH-J regions emerging at low latitudes (dark green curve in Figure 7b), which is directly related to their negative

contribution (higher than the other cases) to the dipole moment build-up (explained in more detail in the following

sections). Quantitative details on how the dipole moment evolution is affected in these six cases are provided in table 1

(see Sl No. 5 to 10).

4. EFFECTIVITY OF ANOMALOUS REGIONS ON GLOBAL DIPOLE MOMENT: A THEORETICAL

PERSPECTIVE

In our analyses so far, we have considered the large-scale magnetic field evolution on the solar surface, primarily

the dipole moment and polar flux, both of which are longitudinally invariant by definition. While focusing only on

these two measures, our spatially two-dimensional SFT simulation (function of latitude, longitude and time) can be

reduced to only one spatial dimension with surface magnetic field dependent on latitude and time (Petrovay et al.

2020). Under such simplification, each tilted BMR, after averaging azimuthally, will appear as a pair of flux rings

of opposite polarity with a bipole source having a finite latitudinal separation. This methodology has been utilized

earlier (Petrovay et al. 2020; Nagy et al. 2020; Yeates 2020) to propose a mathematical perspective of calculating the

individual contribution of each active region emerging during a solar cycle to the final global dipole moment generation
at the cycle minimum.

As demonstrated by Petrovay et al. (2020) and Nagy et al. (2020), the change in the global dipole moment during

the nth cycle can be expressed as the sum of the contributions from individual active region dipole moments as follows,

DMn+1 −DMn = ∆DM =

Ntotal∑
i=1

δDU,i (7)

where δDU,i corresponds to the ‘ultimate’ dipole moment contribution from the i th active region during nth cycle and

assuming there are Ntotal regions in that cycle. Now, the final contribution, δDU,i = f∞,i δD1,i, where f∞,i is the

asymptotic factor (Petrovay et al. 2020). The initial unsigned dipole moment of any active region can be expressed

as δD1 = 3
4πR2 Φ dλ cosλ, where λ is the emergence latitude and dλ is the latitudinal separation of the two polarities

of the sunspot. Φ represents the magnetic flux in the BMR’s leading (or following) spot. The polarity of the spots

closest to the equator determines whether δD1 will positively or negatively contribute to the global dipole moment.

The asymptotic factor is a Gaussian function of latitude, f∞ = C exp(−λ2/2λ2R), such that its amplitude decreases

with increasing latitude. λR and C are dependent only on the transport parameters used in the SFT model, which are

fixed in all our simulations. Thus, in summary, the latitude dependency of the ultimate dipole moment contribution

from an individual region can be expressed as,
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δDU ∝ dλ cosλ e−λ
2

. (8)

The function, δDU has decaying amplitude with increasing latitude, provided dλ is constant for a 1D system (see

Figure 8a). This theoretical aspect delineated above can be utilized to explain the variations seen in the dipole moment

evolution in multiple SFT simulations presented in section 3. Firstly, under this one-dimensional formulation, active

regions (in Figure 2) are reduced to the bipole sources with finite latitudinal separation, whereas the longitudinal

separation between the leading and following spots becomes irrelevant. Thus we find pair-wise similarities of dipole

moment evolution for the cases: H-J and AH-AJ, and AH-J and H-AJ (provided all emerge at the same latitude, λ

with the same separation, dλ). Secondly, any AH-J (or H-AJ) region will contribute negatively to the dipole moment as

its relative polarity configuration is the exact opposite of an H-J (or AH-AJ) region, thus diminishing the global dipole

moment as found in sections 3.1 and 3.2. These findings are reflected in Figure 8b where we carry out a qualitative

comparison between the net change in solar dipole moment in SFT simulations with the mathematical approximations.

The latitude dependency shown in equation 8 also supports our findings in section 3.4. In the first three SFT

simulations with the varying spatio-temporal distribution of AH-J regions on the activity belts, we see notable changes

in global dipole moment in cases with the anomalous regions emerging during either middle or declining phases of the

cycle (see Figure 7a). A careful inspection of the latitudinal distribution of these spots on the activity belt (see the

second row in Figure 4) suggests that more spots emerging in mid-to-low latitudes (in contrast to more high latitude

emergences) are responsible for this. Similarly, for cases with AH-J regions appearing in different latitudinal belts (see

the third row in Figure 4), preferential emergence in low latitudes (smaller λ) will increase the negative contribution

according to equation 8. Therefore, it will cause the maximum reduction of the final global dipole moment (see the

pink curve in Figure 7b). Figure 8b shows the qualitative comparison between these results (high/mid/low latitudinal

emergence impacts) from our SFT simulations and aforementioned algebraic prescription.

5. CONCLUDING DISCUSSIONS

Emergence of active regions and transport of the associated magnetic flux on the solar surface primarily determines

the Sun’s polar field and dipole moment build-up. The global dipolar field acts as the seed which modulate the

amplitude of the future sunspot cycle underscoring its importance. In this study, we focus on the orientation of the

active regions and investigate their impacts on the large-scale magnetic field of the Sun, especially, the dipole moment

and hemispheric polar field. We keep the flux transport parameters and some BMR properties like the separation,

area, latitudinal and longitudinal position fixed, eliminating variations originating from these properties. This enables

us to segregate contributions from “anomalous sunspot regions” in the creation of irregularities in the solar cycle. It is

to be noted that “rogue” regions (Nagy et al. 2017) with very high tilt angle or high magnetic flux (or a combination

of both) are a subset of anomalous sunspots according to our classification. How a few rogue or highly tilted active

regions can significantly impact the dipole moment evolution has been studied earlier (Jiang et al. 2014; Nagy et al.

2017). In comparison, our focus is not on rogue regions specifically but on a more comprehensive study of the impact

of diverse classes of anomalous regions with varying numbers, flux content emergence timing and location.

We consider all active regions as bipolar sunspots (i.e., β-spots) and do not consider any regions with complex

morphology (e.g., δ-spots). By performing multiple SFT simulations we find that a fraction of the total sunspot

number emerging as anomalous regions can significantly influence the large-scale magnetic field evolution during the

solar cycle. The appearance of AH-J/H-AJ regions changes the polarity reversal timing and eventually suppresses the

axial dipole moment at the end of the solar cycle – in conformity with the findings of (Jiang et al. 2015; Nagy et al.

2017).

In this work, we establish a crucial point through SFT simulations: the AH-J and H-AJ regions contribute almost

identically in the dipole moment evolution, polar field build-up and their reversal epoch; this is because over a few

rotational timescales the Sun’s differential rotation makes their orientation similar. In addition, AH-AJ active regions

behave similarly to H-J regions in their long-term evolution. We perform an analysis which shows that our simulation

results are consistent with the algebraic formulation motivated from mathematical theory (see section 4).

Based on our findings we conclude that in the context of the the long-term evolution of the Sun’s large-scale

magnetic field, the sunspots’ orientation can be grouped into two classes: 1) Those that contribute positively to the

dipole moment – Hale-Joy sunspots (H-J) and 2) Which contribute negatively – Anti Hale-Joy sunspots (AH-J). These

two distinct classes of active region configurations also exhibit characteristically distinct dynamics over shorter time

scales leading to disparate interactions with the local magnetic field distribution.
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Our analyses demonstrate that the amount of flux and the number density of anomalous regions play an essential

role in the dynamics of surface magnetic field evolution. Although not always, we notice that in some cases a large

population of anomalous sunspots can impact the ultimate dipole moment more than a small population carrying the

same amount of flux. Therefore we speculate that sometimes a larger group of anomalous spots can cumulatively be

more influential than a single large rogue region due to their latitudinal and phase distribution diversity.

It is known that the total amount of unsigned polar flux is of the order of the unsigned flux contained in a single but

very large active region. A similar amount of net flux distributed over a fraction of sunspots of the anomalous class

of regions appearing at distinct phases and latitudes will affect the cycle differently. Our simulations show that AH-J

regions near the equator have the highest impact on the ultimate dipole moment strength, whereas their appearance

during the mid-phase of the solar cycle has the highest impact on the reversal timing. Near-equatorial emergence is

understood to be more influential in general. This carries over to the case of anomalous regions. The leading polarity

of AH-J/H-AJ regions is opposite to the sign of the new polar field (that is being imparted) in the opposite hemisphere.

Thus upon appear near the equator and diffusing to the other hemisphere, it may reduce the strength of the new polar

field of the opposite hemisphere (and the ultimate dipole moment) during the descending phase of the solar cycle.

In sharp contrast, at high latitudes, the initial phase population of anomalous regions hardly influences the overall

magnetic cycle evolution and its inherent dynamics. We believe that along with the diverse phase and latitudinal

distributions, the hemispheric asymmetry in the distribution of AH-J/H-AJ regions may translate to the asymmetry

seen in the polar field weakening.

The result from different scenarios based on different synthetic sunspot distributions is described in section 3 and

tabulated in table 1. Note that the statistics reported correspond to one random realization of each scenario. Although

these values may differ from one random realization to the other, the qualitative behaviour of the global magnetic field

evolution under different possible scenarios still have a resemblance to the observed Sun.

In summary, our simulations provide insight on how the interplay of anomalous and regular active regions modulate

the solar dipole moment evolution. Given that the dipole moment at the minima of a cycle is the most important

factor determining the strength of the future sunspot cycle, these insights are important in the context of solar cycle

predictions. In order to constrain polar field evolution and dynamics it would be important to extract the combined

data of AH-J, H-AJ and AH-AJ regions (with their precise number, flux content and the emergence phase-latitude

information) along with the H-J regions from observation. Such an exercise will provide the necessary observational

constraints for driving more precise predictive models of surface flux transport evolution and illuminate the fine

subtleties of the Babcock-Leighton mechanism for solar polar field production.
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Table 1. A list of quantitative results: Anomalous active regions (AARs) coming from distinct distributions

Sl No. Type of AAR distribution Decrease in Dipole Moment Delay in time reversal

1) 5 % AH-J all over the cycle (5% flux) 13.7 % 2.61 %

2) 10 % AH-J all over the cycle (10% flux) 48.17 % 7.85 %

3) 5 % AH-J appearing more at the initial
phase

3.99 % 3.14 %

4) 5 % AH-J appearing more at the middle
phase

11.04 % 5.75 %

5) 5 % AH-J appearing more at the end phase 26.17 % 1.57 %

6) 5 % AH-J appearing more at the upper
latitude

3.73 % 3.14 %

7) 5 % AH-J appearing more at the middle
latitude

9.75 % 3.14 %

8) 5 % AH-J appearing more near the equator 40.64 % 4.71 %
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(a)                                (b)                                (c) 

Figure 1. Panel (a): cartoon of bipolar magnetic region (BMR) with different orientations and polarities in each hemisphere.
Here BMR of configuration 1 follows both Hale’s and Joy’s law (H-J region); configuration 2 represents regions which follow
Joy’s law but violate Hale’s polarity law (AH-J region); configuration 3 does not follow Joy’s tilt law but obeys Hale’s law
(H-AJ region) and lastly, configuration 4 disobeys both Hale’s and Joy’s law (AH-AJ region). Panel (b): surface magnetic field
distribution observed in line-of-sight magnetogram from the Helioseismic Magnetic Imager (HMI) instrument on board the Solar
Dynamics Observatory (SDO). It denotes four full disk HMI magnetograms observed in Solar Cycle 24. Panel (c): cut outs of
the green box (in panel b) that serve as examples of the four configurations (H-J, AH-J, H-AJ and AH-AJ regions).
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Figure 2. Butterfly diagrams reflecting the spatio-temporal variability of the distribution of anomalous regions. Histograms of
phase distributions and latitude distributions are plotted on the top axis and right axis respectively in each subplot. Top panel
reflects the distribution where 5% anomalous regions are spread all over the cycle. The next panel constitutes the diversity in
emergence phase of the anomalous active regions – (1), (2) and (3) dictate population dispersed at initial phase, middle phase
and the declining phase, respectively. Third panel denotes the high, mid and low latitude distributions (4, 5 and 6, respectively).
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Figure 3. Time variation of axial dipole moment over two solar cycles including 5 % of four differently configured BMRs.
Green and pink curves denote the axial dipole moment evolution of configuration 1 and configuration 4 (AH-AJ), respectively.
Orange and blue curves represent the time evolution of dipole moment for configuration 2 (AH-J) and 3 (H-AJ) respectively.
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Figure 4. Time evolution of the surface magnetic field (Br) for different configurations. Here configuration 1 stands for H-J
bipolar magnetic region (BMR), and configurations 2, 3, and 4 indicates the anomalous regions (mentioned in Figure 1). SFT
simulations are performed for these four initial configurations, and the evolved magnetic field configuration on day 1, 25 and 50
are shown in the left, middle and right panels, respectively.
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Figure 5. Butterfly diagram of the surface magnetic field (Br) for configuration 1 and configuration 2. Panel (a): represents
the butterfly diagram of H-J regions. Panel (b): shows the butterfly diagram of 95 % H-J regions with 5 % AH-J regions. Cyan
circles represents the AH-J regions distributed all over the solar cycle. Yellow line in both plots depict the reversal timing of
the polar field. Black solid and black dashed lines represent positive and negative polarities respectively. Blue arrow in Panel
(a) denotes the newly built up polar field region, whereas blue box indicates the opposite polarity surges for H-J BMRs. On the
other hand shorter blue arrow in Panel (b): reflects the accumulation of lesser amount of negative flux during the end phase of
the cycle. Blue box indicates the missing opposite polarity surges in the same panel.
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Figure 6. Time evolution of axial dipole moment over 22 years incorporating a variation in the number and flux content of the
AH-J regions only in the second cycle. Here the variation in number and flux is mentioned as %number-%flux. Orange (5 %-5
%) and dark-orange (10 %-5 %) curves depict the time evolution of dipole moment with AH-J regions having 5 % flux but 5
% and 10 % in number respectively. Violet (10 %-10 %) and dark-violet (5 %-10 %) curves represent AH-J regions having 10%
flux but 5 % and 10 % in number respectively. Green curve denotes the corresponding result for 100% H-J regions. Panel (a):
represents the simulation with single realization. Panel (b): depicts the simulations with 20 random realizations for 10 %-10 %
and 5 %-10 % cases.
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Figure 7. Variation in the time series of the dipole moment (only for the second cycle in the simulation) with different
distribution of anomalous (AH-J) regions shown in 2. Panel (a): represents the dipole moment evolution of different phase
distributions. The effect of AH-J regions having more density near the starting of the cycle, middle of the cycle and the end of
the cycle on the dipole moment is denoted by violet, grey and red curves, respectively. Panel (b): pink, light blue and dark green
curves depict the dipole moment evolution for AH-J regions emerging in high, mid and low latitudinal positions, respectively.
In all of these plots, green and orange curves represent H-J and AH-J, respectively. Panel a1, b1 and a2, b2 are the cut out
regions of panels a, b highlighted in cyan and violet, respectively. These sub-panels portray the delay in time-reversal near the
cycle maximum and the decrement of dipole moment/polar flux at the minimum of the same cycle.
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Figure 8. Qualitative comparison of net change in solar dipole moment in our SFT simulation with the mathematical approx-
imations. Panel (a): depicts the latitudinal (λ) dependency of different analytical functions contributing to the ultimate dipole
moment. High, mid and low latitudinal regions are denoted by cyan, violet and yellow. Panel (b): change in dipole moment (∆
DM) of our simulations(violet traingles) are compared with the mathematically derived approximated values (orange circles)
for six different cases labelled on the horizontal axis.
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ABSTRACT

Context. The envelopes of evolved late-type stars on the asymptotic giant branch are characterized by a complex chemistry that near
the stellar surface is close to thermochemical equilibrium, but in the outer envelope is dominated by radical reactions, assisted by a
photo-chemistry driven by the interstellar radiation field.
Aims. The study at hand aims to describe the distribution of atomic carbon, C0, throughout the envelope, in support of an improved
understanding of its photo-chemistry. Additionally, we also briefly discuss the observation of [C ii] emission towards the star.
Methods. We obtain spectra of the [C i] 3P1 →

3P0 fine structure line (at 492.160700 GHz) at projected distances of up to 78′′ from
the star. The line profiles are characterized by both direct fitting of Gaussian components, and by modeling the observed line of the
[C i] triplet. We also report the detection of the 2P3/2 →

2P1/2 line (at 1900.5369 GHz) from the C+ fine structure singlet at the central
position and at 32′′ from the star.
Results. The overall picture of the [C i] emission from IRC +10216 agrees with more limited previous studies. The satisfying agree-
ment between the observed and modeled line profiles, with emission at the systemic velocity appearing beyond one beam (13′′ HPBW)
from the star, rules out that the C0 is located in a thin shell. Given that the bond energy of CO falls only 0.1 eV below the ionization
threshold of C0, the absence of observable [C ii] emission from sightlines beyond a projected distance of ∼ 1017 cm (& 20′′– 30′′) from
the star (adopting a distance of 130 pc) does not contradict a scenario where the bulk of C0 is located between that of CO and C+, as
expected for an external FUV radiation field. This conjecture is also corroborated by a model in which the C0 shell is located farther
outside, failing to reproduce the [C i] line profiles at intermediate sky-plane distances from the star. Comparing a photo-chemical
model adopted from literature with the simplifying assumption of a constant C0 abundance with respect to the H2 density (with the
1/r2 fall-off of a mass-conserving expansion flow), we constrain the inner boundary of the [C i] emitting shell, located at ∼ 1016 cm
from the star.

Key words. Stars: AGB and post-AGB – Stars: carbon – circumstellar matter

1. Introduction

Low- to intermediate-mass stars (0.8 − 8 M�) evolve to the
asymptotic giant branch (AGB) when they are close to the end
of their lives. These objects go through intense mass loss form-
ing a circumstellar envelope (CSE) around them that contains
dust and molecules (Höfner & Olofsson 2018). Many of the
241 molecules that so far have been identified in astronomical
sources, were detected in the CSEs of AGB or red supergiant
stars (McGuire 2022), which therefore efficiently enrich the in-
terstellar medium (ISM). The abundances of carbon and oxy-
gen at the stellar surface reflect the interplay of nucleosynthesis
and convection in the stellar interior. Stars with C/O > 1 are de-
fined as carbon-rich, those with C/O < 1 as oxygen-rich, and
those with C/O ≈ 1 are the S-type stars. The abundance of these
atoms is mainly due to the third dredge-up, where the material
is brought up to the stellar surface and subsequently ejected into
the envelope thanks to thermal pulses (TPs) forming in response
to instabilities in the helium burning shell. The third dredge-up
occurs after each TP (except for a few initial ones, depending on
the model, e.g., Weiss & Ferguson 2009), influencing the C/O

? Member of the International Max Planck Research School (IM-
PRS) for Astronomy and Astrophysics at the Universities of Bonn and
Cologne.

ratio in the envelope (Karakas & Lattanzio 2014, further refer-
ences therein), while the number of TPs depends on the mass
loss experienced by the star before it leaves the AGB.

IRC+10216 (= CW Leonis) is the archetypal carbon-rich
AGB star located close to us at a distance between 120 − 140
pc (Crosas & Menten 1997; Groenewegen et al. 2012) and los-
ing its mass at a high rate of 2 − 4 × 10−5 M� yr−1 (Crosas &
Menten 1997; De Beck & Olofsson 2018; Fonfría et al. 2022).

The star has a luminosity of 8600 L� determined from the
VLA imaging of the optically thick radio photosphere (Menten
et al. 2012), that for a photospheric effective temperature of 2750
K (assumed from SED modeling, Men’shchikov et al. 2001) en-
tails an optical photospheric diameter of 3.8 AU, while mea-
surements of lunar occultations in the H and K bands estimate
a near-infrared diameter of 7.1 AU (Richichi et al. 2003). The
star has a very extended molecular envelope moving through
the ISM. Mauron & Huggins (1999) and Dharmawardena et al.
(2018) also show that the dust continuum emission extends out
to ∼ 200′′ or more from the central star. The interphase be-
tween the envelope and the ISM is seen in the ultraviolet images
taken with the GALEX satellite (Sahai & Chronopoulos 2010),
and at far-infrared wavelengths with the PACS and SPIRE in-
struments aboard Herschel (Ladjal et al. 2010). Similar interac-
tion between the two environments is also seen in Mira A as
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the star shows a bow-shock feature in the southward direction,
and a tail extending in the north. The star has a space velocity
of 130 km s−1 (Martin et al. 2007), larger than what is seen in
IRC +10216 (∼ 91 km s−1 in Sahai & Chronopoulos 2010).
More than 80 molecular species have been detected in the CSE
of IRC +10216 so far (see Cernicharo et al. 2000; Agúndez et al.
2014; De Beck & Olofsson 2018; Pardo et al. 2022, and many
other publications cited therein). These molecules are important
probes of the chemical processes at work in the envelope as dif-
ferent molecules at various levels of excitation trace distinct re-
gions in the CSE: parent molecules such as HCN and C2H2 form
in the inner, hotter part of the envelope (e.g. Cernicharo et al.
2015; Agúndez et al. 2020, further references therein), whereas
the daughter species (i.e., mainly photodissociation products of
the former) are found to be present in the outer parts (see Fig. 1
in Li et al. 2014 and Millar & Herbst 1994; Millar et al. 2000;
Van de Sande et al. 2018 for further understanding of the circum-
stellar chemistry).

The distribution of the CO molecule, an important tracer of
the history of mass loss, is quite widespread in the star’s CSE:
Observations with the IRAM 30m telescope (Cernicharo et al.
2015) and with the SMA and ALMA interferometers (Guélin
et al. 2018) show almost concentric shells, with strong CO emis-
sion up to the photodissociation radius of 180′′after which there
is a sudden drop (best discernible in the single-dish maps, Cer-
nicharo et al. 2015) owing to the molecule’s photodissociation
yielding atomic carbon which is further ionized to form C+

(Morris & Jura 1983; Mamon et al. 1988; Schöier & Olofsson
2001; Groenewegen 2017; Saberi et al. 2019).

Emission in the two fine-structure lines of neutral atomic car-
bon, C0, from the 3P1 →

3P0 and 3P2 →
3P1 transitions near 492

and 809 GHz, respectively, was first detected in molecular clouds
by Phillips et al. (1980) and Jaffe et al. (1985). [C i] emission1

is recognized as a valuable tracer for environments character-
ized by a range of molecular gas fractions occurring in photo-
dissociation regions, while either C+ or CO trace them only
partially (Papadopoulos et al. 2004, further references therein).
However, for circumstellar envelopes, very few studies exist of
these [C i] lines. IRC +10216 has been targeted in the 3P1 −
3P0 line with the Caltech Submillimeter Observatory (CSO) 10.4
telescope and the James Clerk Maxwell 15 m telescope (JCMT)
(Keene et al. 1993; van der Veen et al. 1998). As suggested by
Keene et al. (1993), another important carrier of carbon in C-rich
circumstellar envelopes is acetylene (C2H2), contributing to the
shielding against interstellar UV radiation, and acting as precur-
sor molecule for the subsequent photo-chemistry (Santoro et al.
2020; Siebert et al. 2022).

Thanks to the triple bond between carbon and oxygen,
CO has a high bond energy, 11 109.2 ± 4.1 meV (Darwent
1970) that is slightly below the ionization energy of C0,
11 260.2880 ± 0.0011 meV (Glab et al. 2018). In an environment
characterized by internal or external radiation fields and by gas
density gradients, the production of free carbon by photodisso-
ciation of CO is therefore accompanied by the production of C+

(of which minor amounts might arise already before, from the
photolysis of carbon-bearing species that dissociate easier than
CO). Since the ionization threshold of carbon falls significantly
below that of hydrogen (13.598 eV; Jentschura et al. (2005)),
the 2P3/2 →

2P1/2 transition from the C+ fine-structure singlet
originates from both the warm ionized gas phase of the interstel-
lar medium and from cold, neutral and partially molecular gas

1 We denote neutral and ionized carbon as C0, respectively C+, while
their fine-structure line emission is labeled [C i] and [C ii], respectively.

(T ∼10 000 K, respectively ∼100 K, Wolfire et al. 2003, with
further references therein). Its emission from diffuse gas is there-
fore widespread. However, despite its interest for the analysis of
the carbon budget in circumstellar environments, detections of
the [C ii] line were restricted to post-AGB stars (e.g., Cerrigone
et al. 2012; Bujarrabal et al. 2016), before it was found in IRC
+10216 (Reach et al. 2022).

Given the importance of atomic and ionised carbon in the
circumstellar envelope of IRC +10216, we want to constrain the
spatial distribution of the atom. In this publication, we discuss
the observations we conducted and data reduction methods in
Section 2, followed by the presentation of the obtained spectra
and their analysis (section 3). We then discuss the physical con-
straints we obtained and contextualize them in view of the ex-
isting literature in Section 4 and conclude our work in Section
5. A more detailed model, including dedicated photo-chemical
network and radiative transfer calculations, will be presented in
a follow-up study (Wiesemeyer et al., in preparation, hereafter
paper II), along with the analysis of the variable [C ii] emission.

2. Observations and data reduction

2.1. Observations of the [C i] line

We performed observations towards IRC+10216 in the 3P1 →
3P0 fine structure line of atomic carbon with the Atacama
Pathfinder EXperiment 12 m submillimeter telescope (APEX)2.
The star was observed under the project ID M-0108.F-9515C-
2021 between 2021 November 15 and 30 with the nFLASH460
receiver, a new facility frontend built by the MPIfR for the
APEX, while a Fast Fourier Transform Spectrometer (FFTS;
Klein et al. 2006) was used as the backend, providing a spectral
resolution of 61 kHz. nFLASH460 is a dual sideband receiver
with two polarisations and covers an intermediate frequency (IF)
range from 4−8 GHz. We tuned the lower sideband (LSB) to the
studied [C i] line, at a frequency of 492.160700 GHz (Haris &
Kramida 2017). The observations took place in good weather
with a precipitable water vapour level below 0.6 mm, translating
to sightline system temperatures ranging from 400 to 1200 K.
We adopt a forward efficiency (ηf) of 0.95 and a main beam ef-
ficiency (ηmb) of 0.483 to calibrate the spectra to the the main-
beam brightness temperature scale (Tmb). At the frequency of
492 GHz, the telescope has a beamwidth of 12.7′′ (FWHM). The
integrations were carried out in a cross along right-ascension and
declination offsets, comprising 33 positions, for a total of nine
hours equally shared between the target and a reference 1000′′
away, safely outside of the astrosphere. The observed sky-plane
positions are spaced by 6.5′′ out to 26′′ from the star, and by
13′′ beyond, up to a maximum distance of 78′′. Frequent line
pointings were performed on the CO(4 − 3) line, with the sec-
ondary wobbling with a throw of 120′′ at a frequency of 1.5 Hz.

We used the CLASS software from the GILDAS4 package
(Pety 2005) to reduce and further analyse the data. The individ-
ual steps consist of masking irrelevant parts of the spectra, sub-
tracting linear baseline fits (with baseline noise figures ranging
from 38 mK to 120 mK on Tmb scale), and averaging adjacent
spectral channels, so as to increase the signal-to-noise ratio while

2 This publication is based on data acquired with the Atacama
Pathfinder EXperiment (APEX). APEX is a collaboration between
the Max-Planck-Institut für Radioastronomie (MPIfR), the European
Southern Observatory, and the Onsala Space Observatory.
3 https://www.apex-telescope.org/telescope/
efficiency/
4 https://www.iram.fr/IRAMFR/GILDAS/
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preserving an appropriate velocity resolution of 0.2 km s−1, cor-
responding to five spectral channels in the unprocessed data.
Spectra from equivalent positions (or distances from the center)
are averaged with 1/σ2 weighting (i.e., the inverse of the squared
baseline noise).

2.2. Observations of the [C ii] line

The 2P3/2 →
2P1/2 fine-structure line of ionized carbon, [C ii],

at 1900.5369 GHz was observed with the upGREAT 7-pixel,
dual polarization receiver array for THz spectroscopy (Risacher
et al. 2018) aboard the Stratospheric Observatory For Infrared
Astronomy (SOFIA). The [C ii] line was tuned to the upper side-
band, so as to avoid a contamination by telluric features from
the image band of the mixer (operation at THz frequencies pre-
cludes sideband separation). The data was acquired on a total of
twelve SOFIA flights, spanning 1.4 cycles of the stellar surface
pulsation of 630 days (Menten et al. 2012). Two more flights
targeting IRC +10216 were conducted in 2021 and 2022. The
typical (median) on-sky observing time was one hour (includ-
ing calibrations and updates of the gyroscope settings), of which
typically 40 min were used for integrating towards the target,
equally shared between the on-position and the off-positions on
either side (chop-and-nod method, with a throw of 2′). The data
was taken on subscan granularity (40 sec including both chop
phases) at elevations ranging from 23◦ to 52◦. Median water va-
por columns of 10 µm (as referred to zenith) and single-sideband
receiver temperatures of 1770 K resulted in a median single-
sideband system temperature of 1870 K.

The spectroscopic analysis was performed with Fast Fourier
Transform Spectrometers (XFFTS, Klein et al. 2012), cover-
ing the instantaneous 4 GHz wide bandpass with 16384 chan-
nels, resulting in a channel separation of 244 kHz. Data pro-
cessing followed steps similar to those applied to the [C i] data;
here we remove second-order spectral baselines and average to
a spectral resolution of 1.5 km s−1, resulting in a baseline noise
of 16 mK (rms value, in Rayleigh-Jeans equivalent main-beam
brightness temperature). The conversion from backend count
rates to forward-beam antenna temperatures was done using cal-
ibration loads at ambient and cold temperature (typically around
295 and 100 K, respectively), and adopting a forward efficiency
of 0.97. The beam efficiency was calibrated by frequent obser-
vations of Mars, and determined to a coupling ranging from
ηmb = 0.65 to 0.70 (i.e., to the physically possible limit set by
the design of the telescope’s optics). This interval reflects the in-
herent calibration uncertainty. At the frequency of the [C ii] line,
the main beam of the instrument’s Airy pattern has a width of
14′′ (FWHM), which is merely 10% wider than the beam at the
frequency of the 3P1 →

3P0 [C i] transition and thus facilitates
the comparison of the line profiles.

3. Results

3.1. [C i] emission

Since the CO emission from the envelope is largely centro-
symmetric (Cernicharo et al. 2015), and C0 and C+ are products
of photochemistry, we average the spectra from the half-beam
sampled, equivalent offsets from the star (Fig. 1). Evidence for
deviations from this symmetry will be discussed below; individ-
ual spectra, extending to up to 78′′ from the star, are shown in
Fig. A.1

We analyse the spectra using various methods, from a sim-
ple phenomenological description assuming constant excitation
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Fig. 1. [C i] 3P1 →
3P0 averaged spectra towards nine offsets from the

star (in purple) overlaid with the RATRAN model for variable abun-
dance (in green) and constant abundance (in orange).
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Fig. 2. As Fig. 1, except that the [C i] spectra are overlaid with those
from the contant-abundance, thick-shell model (in orange), and a thin-
shell model (in green). The latter clearly fails on all sightlines except
for the two innermost ones.

to a radiative transfer model of the non-LTE excitation of [C i]
throughout a homogeneous envelope, characterized by constant
gradients in temperature and density, and expanding at a constant
velocity.

3.1.1. Line profile fitting

The emission from the center and the innermost sightlines (up
to 13′′ projected distance) displays well separated blue- and red-
shifted peaks (horn-shaped line profiles) from the hemispheres
expanding towards and away from the observer, respectively. Be-
yond 19.5′′ offset, the components start to merge because the
sightline-projected expansion velocity decreases. We have fit the
observations (up to 26′′ offsets) with individual Gaussian pro-
files by masking the emission component at the respective oppo-
site velocity. The resulting parameters are reported in Tab. A.1.
At 39′′ significant emission can only be detected after smoothing
this spectra to a resolution of 3 km s−1 with a rather flat topped
profile of 0.08 K and rms noise of 31.8 mK. For closer inspec-
tion we provide the spectrum of the sightline in Fig. A.2. At 52′′
offset and beyond, we see no significant emission anymore.

The individual spectra (Fig. A.1) observed at the same dis-
tance from the star show no strikingly remarkable differences.
The central sightline features a slightly asymmetric double-peak
profile, which can be attributed to a weak absorption in the
blue wing, because in the corresponding hemisphere the sight-
line crosses layers of decreasing excitation. We note, however,
that the blue- and red-shifted fractions of the line area display
the opposite behaviour. The same holds for the observations of
Keene et al. (1993) at 15′′ (FHWM) resolution, who report peak
temperatures of less than 0.4 K, falling 0.3 K below ours. While
the discrepancy may be partly due to the individual coupling of
the [C i] emission to the different main beams or due to residual
pointing or calibration errors, we note that our line flux of 3.1 K
km s−1 is in agreement with that of Keene et al. (1993). We con-
cede that with the '30 years time span between these observa-
tions and ours, the [C i]-emitting shell has expanded by almost
90 AU (or 0.7′′ at the adopted distance of 130 pc). While such a
distance is too short to be noticeable in the beams of single-dish
submillimeter telescopes, it may be long enough (17 pulsation
periods of 630 d, Menten et al. 2012) to possibly alter the line
profiles, if the shell and its photochemistry is not in steady-state.
From the at most weak asymmetry of the line profile, we con-
clude that opacity effects cannot be very important in the for-
mation of the line. At offsets of −19′′ and −26′′ (in either right-
ascension or declination), the spectra show more center-filling
emission than the direct fits do (i.e., around the systemic veloc-
ity of −26.5 km s−1).

3.2. C0 excitation modeling

Given the ad-hoc approach of the direct fitting, we now use
a more sophisticated method to model the excitation of [C i]
throughout an envelope characterized by density, abundance and
temperature gradients. We performed radiative transfer mod-
elling to describe the observed spectral lines and determine the
abundance and temperature profiles. We used the 1D radiative
transfer code RATRAN5 (Hogerheijde & van der Tak 2000),
where a spherically symmetric model is assumed. For the model,
we take a distance of 130 pc to the star with a mass-loss rate of 2
× 10−5 M� yr−1 (Cernicharo et al. 2015; Reach et al. 2022; Fon-
fría et al. 2022). Furthermore, the gas is expanding at a velocity

5 https://personal.sron.nl/~vdtak/ratran/frames.html
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expansion velocity. The emission feature at 15 km s−1 could be from the
HNC J = 21 – 20 transition, and is marked as such.

of 14 km s−1. The line profile function is Gaussian with a 1/e
width of 2.0 km s−1. Under a turbulent contribution of 1.5 km s−1

(based on observations of CO and C2H, De Beck et al. 2012), the
resulting thermal width of (

√
2.02 − 1.52 = 1.3) km s−1would

be too large to be accounted for by our temperature profile. We
note, however, that non-thermal line broadening in circumstel-
lar envelopes is poorly constrained, and that MHD turbulence
cannot be ruled out on grounds of CN Zeeman measurements
revealing significant deviations from a homogeneous magnetic
field structure (Duthu et al. 2017). In such a picture, the fact that
the emissions of CO and [C i] trace spatially distinct envelope
regions could then reconcile the different estimates of turbulent
line broadening. The excitation model accounts for far-infrared
pumping by the dust emission (with assumed gas-to-dust ratio
of 100), and assumes that the temperatures of gas and dust are
tightly coupled.

Reach et al. (2022) assume that the abundances of C+ and C0

in the outer envelope derive entirely from the photo-dissociation
of CO (see their Fig. 3). The abundance of the latter is param-
eterised by the photo-destruction radius rphot and steepness pa-
rameter α,

n(CO)/n(H2) = [C/H2] exp
(
− ln 2(r/rphot)α

)
. (1)

Here we adopt their model with rphot = 3.5 × 1017 cm, and
α = 3.0 (cf. Saberi et al. 2019), for an underlying elemental
abundance of [C/H2] = 8 × 10−4, of which at the inner bound-
ary of the model 75% is contained in CO, while the remainder
accounts for acetylene (C2H2) and HCN. The model parame-
ters are summarized in Fig. 4 and Table 1. While this model
provides a satisfactory description of the azimuthally averaged
spectra (Fig. 1, baseline noise 67–128 mK rms) or on individual
positions (Fig. A.1), we have to test whether it entails uniqueness
or not. We therefore overlay the corresponding spectra obtained
from adjusting the spectra obtained from a constant-abundance
model to the observed ones. A reasonable fit can be obtained
with n(C0)/n(H) = 4 × 10−5 and rin = 4 × 1016 cm, but other-
wise the same parameters.This abundance falls an order of mag-
nitude below that of elemental carbon (e.g., [C/H] = 2.1 × 10−4

from young B-type stars, Nieva & Przybilla 2012), because it at-

tributes elemental carbon to C0 at distances from the star where
it should still be taken up by mainly CO.

Fig. 1 shows both models overlaid on the observations, re-
producing a weakly self-absorbed blue-shifted peak towards the
center and the overall distribution of the [C i] emission. On the
innermost sightlines, both models reproduce the observed spec-
tral profiles reasonably well. At 19.5′′ from the star, the vari-
able -abundance model is somewhat underestimating the emis-
sion arising closer to the systemic velocity, by 1–2 σrms, whereas
the constant abundance model works well. Beyond this offset,
both models agree with each other fairly well. We infer that the
model of Reach et al. (2022) can be used to describe the in-
ner boundary of the C0 shell, while in the constant-abundance
model a factor two higher C0 abundance could be compensated
by displacing the inner boundary from 2.3×1016 cm outwards to
4×1016 cm. Such a degeneracy reflects the scaling expected from
the adopted density and temperature profiles and the spherical
symmetry. Shifting the inner boundary even more towards the
photo-destruction radius of CO indeed brings the abundance of
C0 required for a good fit closer to the cosmic, elemental carbon
abundance. However, an authoritative chemical model cannot be
deduced from these observations alone. We, therefore, continue
with a closer look at the [C ii] emission from the central sightline.

Table 1. Input parameters for the RATRAN model of the [CI] emis-
sion

D Ṁ rin rout nH2 (rin) T (rin) υexp ∆υ
[pc] [M� yr−1] [cm] [cm−3] [K] [km s−1]
130 2 × 10−5 2.3 × 1016 1.9 × 1018 4.5 × 104 156 14.0 1.0

Notes. The [C i] abundance profile is taken from (Reach et al. 2022,
their Fig. 3). A second model uses a constant abundance (with respect
to hydrogen nuclei) of n(C0)/n(H) = 4 × 10−5 and rin =4 × 1016 cm.
D = distance to the source, rin and rout = inner and outer radius, re-
spectively, of the shell, υexp = expansion velocity, and ∆υ = line width
(1/e half-width). The power-law indices for the fall-off of density and
kinetic temperature (gas and dust temperature are assumed to be equal)
with distance from the star are −2 and −0.50, respectively. For compar-
ison, the temperature power-law index for purely adiabatic cooling at
constant expansion velocity would be −4/3 (Crosas & Menten 1997).

3.3. [C ii] emission

The average [C ii] 2P3/2 →
2P1/2 spectra from the central sight-

line and at 32′′ from the star are shown in Fig. 3. Unlike the [C i]
3P1 →

3P0 emission, it is only detected towards the central pixel
of the upGREAT array. The outer ring of the array’s hexagonal
layout displays no detectable [C ii] emission. This finding, and
the broader components of the strongly asymmetric double-peak
profile (FWHM 8.1 and 13.4 km s−1 in the blue- and red-shifted
peak, respectively), less pronounced than that of [C i], indicate
that the emission cannot solely originate from the outer bound-
ary of the circumstellar envelope, exposed to the interstellar ra-
diation field. Additionally, there is an emission feature present at
15 km s−1 velocity, which could be from the HNC J = 21 − 20
transition. This line’s small width (∼ 5 km s−1), which is much
smaller than the IRC+10216 CSE’s terminal velocity, suggests
an origin close to the stellar photosphere, following the conclu-
sions Patel et al. (2009, 2011) draw for similarly narrow vibra-
tionally excited lines from various molecules. Consistent with
Reach et al. (2022) we do not detect any emission from the
[13C ii] ion. Furthermore, the [C ii] emission was found to be
variable on a timescale corresponding to that of the stellar pul-
sation (paper II). This and the signature of self-absorption in the
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blue-shifted line component corroborate the presence of a con-
tribution from within the envelope. Although with time the [C ii]
line profile shown in Fig. 3 varies both in strength and shape, its
overall appearance (broad, strongly asymmetric peaks) is persis-
tent.

4. Discussion

The [C i] 3P1 →
3P0 lines display profiles that are character-

istic for optically thin emission from a geometrically extended,
expanding envelope. The profiles towards the star, and towards
the envelope’s limb, could be readily explained by a spatially
resolved optically thin shell, whose atomic carbon is produced
from the dissociation of CO by the interstellar radiation field:
towards the central position, the double-peaked “horn profile” is
attributed to the front and rear part of the expanding envelope
(the slight asymmetry between the blue- and red-shifted peaks
will be commented below), while the single-peaked, flat-topped
spectra beyond 26′′ from the star are dominated by sightline el-
ements of which the expansion velocity vector is mostly parallel
to the sky plane. The interstitial positions, however, show that
the shell cannot be geometrically thin, thanks to the emission
close to the systemic velocity filling the double-horn profile. In-
deed, a model consisting of a thin, constant-abundance shell ex-
tending from 1017 to 1.6 × 1017 cm fits only the central spec-
trum and that at 6.5′′ distance, but from 13′′ to 39′′ distance it
cannot provide the emission observed close to systemic veloc-
ity (Fig. 2). At 52′′ and beyond, where the shell starts to emit
at zero sightline-projected velocity (−26.5 km s−1in LSR), the
double-peak profile is still too pronounced and strong, while the
observed emission starts to fall below the detection limit. Like-
wise, a thin shell extending from 1.2 × 1016 to 1.6 × 1016 cm,
as advocated by Reach et al. (2022) to explain the [CII] obser-
vation of Herschel/HIFI, fails to reproduce our observations as
well (see paper II).

Curiously, the [C ii] 2P3/2 →
2P1/2 line towards the star (Fig.

3) does not show a narrow double-peak profile either (compo-
nents ∼10 km s−1 wide at corresponding half-maximum), al-
though in a picture where C+ is produced by the exposure to an
external radiation field, the line should originate outwards from
the [C i] emitting layers. On the other hand, producing the [C ii]
emission in a layer adjacent to the stellar photosphere is not eas-
ily understandable either, because the beam dilution there would
require an unusually high emissivity.

The absence of detectable [C ii] emission at a projected dis-
tance of >∼ 20′′– 30′′ from and its presence towards the star
(Fig. 3) suggest that the environment of the inner shell harbours
an additional source of ionization. As a matter of fact, at 700 AU
distance, the star cannot drive any photo-chemistry (1016 cm,

Fig. 5). This has led Reach et al. (2022) to the suggestion that
mass transfer from the star to a nearby companion locally en-
hances the UV radiation field, thanks to the shock forming in
response to the accretion flow. The presence of such a com-
panion, on a highly eccentric orbit, was indeed advocated by
Cernicharo et al. (2015), searching for an explanation for the
multiple, partial shells discovered in the optical by light scat-
tering (Mauron & Huggins 1999) and, subsequently, in thermal
dust emission (beyond 1′ from the star, Decin et al. 2011) and
CO emission (Cernicharo et al. 2015; Decin et al. 2015; Guélin
et al. 2018). The depth and extent of the CO studies demonstrate
that a solar-like companion star would provide an explanation
for the multiple shells, which form neither in response to ther-
mal pulses, nor to the stellar pulsation, which would result in
larger, respectively shorter, spacings. The binary hypothesis is
also adopted by Siebert et al. (2022, further references therein),
in support of a photo-chemical model of cyanoacetylene (HC3N)
emission from the inner envelope, which would explain the pres-
ence of other molecules closer to the star than expected (CH3CN,
C4H2) or typical of O-rich stars (H2O). With the data at hand, and
the restriction of our models to spherical symmetry, we cannot
provide an argument favouring a binary system. We note that
Matthews et al. (2018) confirm the proper motion determined
for IRC +10216’s by Menten et al. (2012) with longer time span
data and find no evidence of statistically significant astrometric
perturbations as would be expected from a binary companion,
despite claims to the contrary. As discussed above, some asym-
metry seen in the [C i] profiles is suggestive of a fingerprint of the
multiple-shell structure. Given that it shows clearly in CO (2−1)
emission observed at 11′′ resolution (FWHM, Cernicharo et al.
2015), it should also be discernible in our 13′′ resolution [C i]
data. The Fourier transforms analysis of Guélin et al. (2018) re-
veals a 16′′ shell spacing in all quadrants except in the south-
eastern one, where our direct line-profile fits display larger resid-
uals. Whether this observation is coincidental or not can only be
settled by a full, critically sampled [C i] map.

5. Conclusion

Following the pioneering observations of atomic carbon in
IRC +10216 by Keene et al. (1993), we present more sensi-
tive and more extensive observations of the 3P1 →

3P0 emission
from the [C i] fine structure triplet. Accounting for differences
in the data quality, and allowing for an underlying variability
which might show after the 30 year time lapse between the ob-
servations, we notice an overall good agreement. We present a
model employing an abundance gradient that best reproduces
the lines profiles at increasing distance from the star – however,
even a model employing a constant C0 abundance would work.
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Fig. 5. Comparison of cross-sections from the Leiden observatory
database for photochemistry (Heays et al. 2017) for the photo-ionization
of C i and the photo-dissociation of CO (gold curves top and bottom, re-
spectively, with right-hand ordinates) with spectral energy distributions
of the attenuated stellar photosphere (green) and the interstellar radia-
tion field (purple) at 1016 cm from the star (with left-hand ordinate). The
corresponding dotted curves refer to the unattenuated and undiluted ra-
diations fields. Dust extinction coefficients are calculated from Rouleau
& Martin (1991). The frequency scale is linear, so as to enhance its
high-frequency end.

We infer that the inner boundary of the [C i]-emitting shell is at
∼ 1016 cm from the star, but can not yet locate it more precisely.
The fact that the [C ii] line is seen only towards the inner sight-
lines through the circumstellar envelope (<∼ 4 000 AU), while
the outer envelope, ranging to up to ∼10 000 AU, is void of [C ii]
emission, remains an enigma. Both findings call for a full map of
the [C i] emission, and deeper observations of the [C ii] line. The
line profiles obtained so far from both tracers exclude a picture
in which atomic carbon is only produced in a thin low-density
shell fully exposed to the interstellar radiation field.
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Appendix A: Individual results for directly fitted and
modeled [C i] line profiles
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Table A.1. Parameters deduced from direct fits to the observed spectra

Offset V1
∫

TMBdV1 ∆V1 Tpeak1 V2
∫

TMBdV2 ∆V2 Tpeak2

(km s−1) (K km s−1) (km s−1) (K) (km s−1) (K km s−1) (km s−1) (K)
0′′ −40 (0.03) 1.8 (0.04) 2.5 (0.07) 0.67 −12.2 (0.08) 1.3 (0.1) 1.7 (0.2) 0.69

R. A. (negative)
−6.4′′ −39.9 (0.1) 1.5 (0.15) 2.17 (0.2) 0.64 −12.9 (0.05) 1.3 (0.01) 1.9 (0.1) 0.66
−12.9′′ −38.8 (0.4) 2.3 (0.3) 5.9 (0.9) 0.36 −13.8 (0.2) 1.4 (0.1) 3.2 (0.4) 0.43
−19.4′′ −36.3 (0.3) 2.9 (0.2) 11.2 (0.7) 0.25 −16.2 (0.3) 2.07 (0.1) 8.4 (1) 0.23
−25.9′′ −34.5 (1) 2.9 (0.3) 15.6 (2.1) 0.17 −20.3 (1.1) 1.9 (0.3) 12.4 (2.3) 0.15

R. A. (positive)
6.6′′ −39.6 (0.1) 1.67 (0.1) 2.7 (0.2) 0.57 −12.5 (0.1) 1.06 (0.1) 1.35 (0.2) 0.74

13.1′′ −38.95 (0.2) 1.15 (0.1) 3.4 (0.3) 0.315 −12.92 (0.2) 0.85 (0.1) 2.19 (0.4) 0.36
19.6′′ −36.9 (0.5) 1.97 (0.2) 9.02 (1.2) 0.21 −14.25 (0.5) 1.6 (0.3) 6.6 (1.5) 0.23
26.1′′ −34.1 (0.9) 1.8 (0.2) 14.1 (2.1) 0.11 −18.5 (1.4) 1.43 (0.3) 13.2 (2.9) 1.01

Dec (negative)
−6.5′′ −39.6 (0.01) 1.74 (0.1) 2.7 (0.2) 0.6 −12.8 (0.01) 1.39 (0.1) 1.7 (0.2) 0.72
−13′′ −38.8 (0.2) 1.95 (0.1) 5.5 (0.6) 0.35 −13.2 (0.1) 1.13 (0.1) 2.3 (0.2) 0.47
−19.5′′ −36.6 (0.3) 2.95 (0.2) 10.1 (0.8) 0.27 −17.8 (0.5) 3.05 (0.2) 12.9 (1.1) 0.22
−26′′ −32.5 (1.3) 3.02 (0.4) 17.2 (2.8) 0.17 −20.7 (1.4) 2.7 (0.4) 16.9 (2.7) 0.15

Dec (positive)
6.5′′ −39 (0.1) 1.6 (0.1) 2.3 (0.2) 0.6 −12.7 (0.1) 1.2 (0.01) 1.7 (0.1) 0.66
13′′ −39.3 (0.3) 1.4 (0.2) 3.3 (0.6) 0.38 −13 (0.1) 1.3 (0.1) 3.0 (0.4) 0.39

19.5′′ −37.53 (0.4) 1.83 (0.2) 8.3 (1) 0.21 −14.5 (0.3) 1.14 (0.1) 4.10 (0.7) 0.26
26′′ −34.8 (0.8) 1.7 (0.2) 11.0 (1.6) 0.15 −17.4 (0.8) 1.9 (0.2) 11.9 (1.7) 0.15

Notes. The table summarises physical parameters constrained at different offsets from the star. Subset 1 refers to the blue-shifted peak and subset
2 refers to the red-shifted peak. The parameters obtained for offsets away from the central position are calculated by fitting the Gauss method. V
is the LSR velocity,

∫
TMBdV is the calculated integrated intensity, ∆V refers to the line width calculated from the Gauss method, and finally Tpeak

is the peak temperature of the fitted line.
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Fig. A.1. Observed [C i] spectra (in black) and line profiles modeled with RATRAN (in purple) at the sampled positions.
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Fig. A.2. [C i] emission smoothed to 3 km s−1at 39′′ from the star.
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ABSTRACT

We present a first study based on the analysis of the DEep Spectra of Ionized REgions
Database (DESIRED). This is a compilation of 190 high signal-to-noise ratio optical spec-
tra of H II regions and other photoionized nebulae, mostly observed with 8-10m telescopes
and containing ∼29380 emission lines. We find that the electron density –𝑛e– of the objects
is underestimated when [S II] _6731/_6716 and/or [O II] _3726/_3729 are the only density
indicators available. This is produced by the non-linear density dependence of the indica-
tors in the presence of density inhomogeneities. The average underestimate is ∼ 300 cm−3

in extragalactic H II regions, introducing systematic overestimates of 𝑇e([O II]) and 𝑇e([S II])
compared to 𝑇e([N II]). The high-sensitivity of [O II] __7319 + 20 + 30 + 31/__3726 + 29 and
[S II] __4069 + 76/__6716 + 31 to density makes them more suitable for the diagnosis of
the presence of high-density clumps. If 𝑇e([N II]) is adopted, the density underestimate has
a small impact in the ionic abundances derived from optical spectra, being limited to up to
∼0.1 dex when auroral [S II] and/or [O II] lines are used. However, these density effects are
critical for the analysis of infrared fine structure lines, such as those observed by the JWST
in local star forming regions, implying strong underestimates of the ionic abundances. We
present temperature relations between 𝑇e([O III]), 𝑇e([Ar III]), 𝑇e([S III]) and 𝑇e([N II]) for the
extragalactic H II regions. We confirm a non-linear dependence between 𝑇e([O III])-𝑇e([N II])
due to a more rapid increase of 𝑇e([O III]) at lower metallicities.

Key words: ISM:Abundances – ISM: HII regions – galaxies: abundances – ISM: evolution.

1 INTRODUCTION

The determination of chemical abundances from emission line spec-
tra of ionized nebulae is an essential tool for studying the chemical
composition and evolution of the Universe, from the Milky Way to
high-redshift galaxies. In ionized nebulae, the total abundance of
heavy elements, the metallicity, is traced by the O/H abundance, as
it comprises ∼ 55 per cent of the total metal content (Peimbert et al.
2007). This information can be used to explore the nucleosynthesis
of chemical elements and the galaxy formation and evolution. In
fact, the mean metallicity of the galaxies and the shape of radial
abundance gradients depend on their masses, the star formation his-
tory and the relative importance of the gas inflows/outflows across
their discs (e.g. Tinsley 1980; Prantzos 2008; Matteucci 2014).

The chemical abundances of elements heavier than He can

★ E-mail: jemd@uni-heidelberg.de

be derived from bright collisionally excited lines (CELs) in the
emission line spectra of ionized nebulae. In the optical range, the
emissivity of CELs is exponentially dependent on the electron
temperature, 𝑇e, being a critical physical parameter for obtaining
accurate abundance values. This is the basis of the so-called di-
rect method for determining chemical abundances (e.g. Dinerstein
1990; Peimbert et al. 2017; Pérez-Montero 2017). Moreover, re-
cently Méndez-Delgado et al. (2023) demonstrated the presence of
temperature inhomogeneities within the highly ionized gas as theo-
rized by Peimbert (1967). The existence of such spatial temperature
variations introduces a systematic bias towards lower abundances
that can reach errors as high as ∼ 0.5 dex in the O/H abundance
(Méndez-Delgado et al. 2023). On the other hand, the fine structure
CELs in the infrared (IR) range that arise from atomic transitions
of low energy levels (Δ E<< 1 eV) have a smaller temperature-
dependence (Osterbrock & Ferland 2006). However, in these cases
the electron density, 𝑛e, is a fundamental parameter to accurately

© 2020 The Authors
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determine chemical abundances, as the critical densities of these
low-energy levels are smaller than those involved in the emission of
optical CELs (Osterbrock & Ferland 2006).

With the advent of optical spectroscopic surveys using large
Integral Field Units (IFU), data for myriads of H II regions in large
samples of external spiral galaxies have become available (e.g.
Sánchez et al. 2012; Bryant et al. 2015; Bundy et al. 2015; Em-
sellem et al. 2022). However, it is common that most of the spectra
of extragalacticH II regions in these surveys are not deep1 enough to
detect the faint auroral CELs necessary to determine 𝑇e or the even
fainter recombination lines (RLs) of heavy-element ions. When the
gas temperature is not available one has to rely on the so-called
strong-line methods to estimate the gas-phase metallicity, which are
based on calibrations of the O/H ratio —the proxy for metallicity
when analyzing nebular spectra— built with observed intensity ra-
tios of bright nebular CELs (e.g. Pagel et al. 1979; Pilyugin et al.
2010, 2012; Marino et al. 2013; Pilyugin & Grebel 2016) or on
photoionization models (e.g. McGaugh 1991; Kewley & Dopita
2002; Kobulnicky & Kewley 2004; Tremonti et al. 2004). Com-
paring the different calibrations available in the literature, one can
find very large differences between the O/H ratios for the same set
of observations, differences that can amount to 0.2-0.7 dex (e.g.
Kewley & Ellison 2008; López-Sánchez et al. 2012; Groves et al.
2023). From the available strong-line methods, only those of Peña-
Guerrero et al. (2012b) take into account the presence of temperature
inhomogeneities.

The large amount of data generated by big surveys that one
can gather from the literature permit us to explore, constrain and
minimize the effects of statistical errors in the estimate of metallic-
ities of H II regions in a given galaxy or a group of similar galaxies
(e.g Sánchez et al. 2015; Ho 2019; Kreckel et al. 2019; Metha et al.
2021). However, only detailed studies of deep spectra ofH II regions
allow us to adequately explore and constrain the effects of system-
atic errors in the determination of physical conditions and ionic and
total abundances. On this matter, there are previous works dedi-
cated to collect auroral CELs from the most commonly studied ions
([O II], [O III], [S II], [S III], [N II]) (Pilyugin et al. 2012; Croxall et al.
2016; Berg et al. 2020; Rogers et al. 2021, 2022; Zurita et al. 2021).
However, with some notable exceptions where recombination lines
were considered (Peimbert et al. 2005; Guseva et al. 2011; Peña-
Guerrero et al. 2012a; Valerdi et al. 2019; Skillman et al. 2020),
most previous studies are limited to the CELs of few ions, which do
not provide the complete picture of the physics of the ionized gas.

Since the beginning of this century, our group has gathered
a large number of intermediate spectral resolution longslit or high
spectral resolution echelle spectra for a large number of Galactic
and extragalactic H II regions as well as Galactic planetary nebulae
(PNe) and ring nebulae (RNe) around massive Wolf-Rayet and Of
stars. This collection of data is what we call DESIRED (DEep Spec-
tra of Ionized Regions Database, see Section 2 for references and
a description of the data). The vast majority of the data have been
obtained with large-aperture (8-10m) telescopes and the observa-
tions were designed to detect very faint emission lines. As a result
of the remarkable signal-to-noise ratio of our collection of nebular
spectra, each individual object counts with tens or even hundreds
of emission lines, showing good measurements of all or some of
these: (a) one or several faint 𝑇e-sensitive auroral CELs, (b) several

1 With the concept of "deep spectrum" we mean a long-exposure time
spectrum with a high signal-to-noise ratio where the main purpose is the
detection of weak emission lines, such as auroral CELs or RLs.

density indicators based on the intensity ratios of CELs, (c) RLs
of one or some heavy-element ions and (d) sets of rare faint lines
as those of [Fe II] and/or [Fe III] or fluorescence ones, useful for
detailed studies on the internal physics of the ionized gas.

The DESIRED papers seek to analyze global properties of
the ionized gas in unprecedented detail, detecting and describing
phenomena that have –or might have– an impact on interpreta-
tions of large-scale studies based on solid observational evidence.
The present work is dedicated to the study of physical conditions
(𝑇e, 𝑛e) of the ionized gas, including information about their in-
ternal structures and the temperature relations. The prescriptions,
warnings and relations of this study are intended to consider dif-
ferent types of ionized regions and can be used both in studies of
individual objects and in large-scale studies.

2 DESCRIPTION OF DESIRED

DESIRED comprises a set of 190 spectra, 72 of them correspond to
68 extragalactic H II regions, 56 spectra of 41 Galactic H II regions,
34 Galactic PNe, 21 spectra of 7 Galactic RNe as well as 6 spectra
of 5 photoionized Herbig-Haro objects (HHs) and 1 protoplanetary
disk (proplyd) of the Orion Nebula. References to the spectra are
shown in Tables A1, A2, A3, A4 and A5. All the spectra have been
observed by our group except those of the Galactic PNe IC 418,
IC 2501, IC 4191 and NGC 7027 (Sharpee et al. 2003, 2007). We
decided to include these data in DESIRED as they show an analo-
gous level of depth and quality as the rest of the objects included
in Table A4 (see the comparative analysis performed by Rodríguez
2020). The database contains 29380 emission line detections, as-
sociated with 2486 transitions of 148 ionic species2. Of that total
number of detections, 8715 are forbidden lines, while 18986 are
permitted ones and 1679 remain unidentified or with doubtful iden-
tifications. From the detected permitted lines, 7836 are associated to
metals. A number of 851 forbidden lines correspond to 𝑇e-sensitive
auroral transitions [O II] __7319 + 20 + 30 + 31, [S II] __4069 + 76,
[N II] _5755, [S III] _6312, [Ar III] _5192 and [O III] _4363, that can
be used for 𝑇e determinations.

The remarkably high signal-to-noise ratio of the DESIRED
spectra can be verified in any of the published reference articles. We
can highlight fig. 1 of Esteban et al. (2014a) or fig. 7 of Méndez-
Delgado et al. (2021a) in the case of the Orion Nebula; fig. 3 of
Domínguez-Guzmán et al. (2022) for extragalactic H II regions in
the Magellanic Clouds; fig. 3 of Esteban et al. (2016) for the RN
NGC 6888 and fig. 4 of García-Rojas et al. (2018) for a group of
PNe.

The observations have been taken from 2002 to date with the
spectrographs and telescopes shown in Table A63. The spectra were
reduced and calibrated manually following a consistent procedure,
using IRAF routines (Tody 1993), Python codes and some tasks
from the ESO UVES pipeline (Ballester et al. 2000). The flux,
wavelength and FWHM of the lines were measured manually using
the IRAF task SPLOT, individually estimating the continuum.

Echelle spectra were not corrected from telluric emissions,
since the slit does not usually cover sky areas. However, the high
spectral resolution permits us to separate the doppler shifted neb-
ular emissions from the sky contaminations. Sky-blended lines are

2 In this context, permitted and forbidden transitions are considered inde-
pendently. For instance, [O III] andO II are counted as different ionic species.
3 The spectra of Sharpee et al. (2003, 2007) were taken between 2001 and
2003.
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Figure 1. BPT diagram of the DESIRED spectra. The dashed line represents the boundaries between star-forming regions (to the left and below the line) and
regions with harder ionizing sources (generally associated to Active Galactic Nuclei) (Kauffmann et al. 2003).

identified and their use has been ruled out in this work. In most of
the spectra the telluric absorption bands were not corrected. This
potentially affects several wavelength ranges as __7600 − 7700Å,
__9000−10000Å,where atmospheric O2 andH2Obands are strong
and dense (Stevenson 1994). UVES spectra may have optical reflec-
tions within the second dichroic of the blue arm (__3750−4995Å).
The wavelength position of these spurious “ghosts” can be deter-
mined directly from the echellograms as they cross the different
observed orders. The use of these lines is also discarded along with
those with detected individual spurious effects.

Intermediate spectral resolution spectra (𝑅 ∼ 3000-4000) were
mostly taken with long-slit two-arms spectrographs. We verified
the accuracy of the relative flux calibration between the bluest and
reddest wavelength ranges. The sky emission was removed in the
case of the smaller angular size nebulae (most of the Galactic H II
regions observed with OSIRIS at the 10.4m GTC telescope, the
extragalactic ones and PNe), this was not possible in the case of
IC 5146 and M43, extended Galactic H II regions observed with
ISIS at the 4.2m WHT telescope.

The spectra were corrected for interstellar extinctions and un-
derlying stellar absorptions following the iterative process described
by López-Sánchez et al. (2006), which is based on the results of
Mazzarella & Boroson (1993) and the observed H I Balmer and

Paschen decrements, when available. No corrections for underlying
stellar absorptions were made to theHe I lines. However, the Galac-
tic objects did not require such corrections (Méndez-Delgado et al.
2020). The detailed procedure for each object is described in the
reference articles.

In Fig. 1, we show a BPT diagram (Baldwin et al. 1981) of
all DESIRED spectra distinguishing their corresponding types of
nebulae. The dashed line indicates the separation between the H II
regions and active galactic nuclei (AGNs) as defined by the em-
pirical equation (1) of Kauffmann et al. (2003). All Galactic and
extragalactic H II regions as well as photoionized HH objects and
the proplyd are located in the zone of star forming regions. This is
consistent with gas photoionized by O or early B type stars. PNe and
RNe are present both in the star forming region zone and in the area
usually associated with AGNs. RNe associated with Wolf-Rayet
stars are located within the AGN zone whereas those associated
to Of stars are together with the H II regions. This is due both to
a harder ionizing spectrum from Wolf-Rayet stars and to a larger
contribution from shocks, associated with stellar feedback (Esteban
et al. 2016). Most PNe are located well above the H II regions line
(e.g. Kniazev et al. 2008), as expected from their harder ionizing
sources. However, Abell 46, Abell 63 and Ou5 (Corradi et al. 2015)
fall within the area of H II regions. This interesting result seems
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linked to the fact that these 3 regions have the largest abundance
discrepancy factor (ADF) between the O2+/H+ abundances derived
with both RLs and CELs of the whole sample. This is in agreement
with the scenario where these PNe contain metal-rich cold inclu-
sions within the ionized gas, enhancing the emission of theH I RLs,
as proposed by several authors (Corradi et al. 2015; García-Rojas
et al. 2022).

The metallicity range, expressed by 12+log(O/H), determined
from CELs and assuming no temperature fluctuations, covered by
the sample objects goes from 7.72 and 8.70 in the case of H II
regions (including both Galactic and extragalactic) and from 7.76
and 8.80 in the case of PNe. It should be noted that, due to the
requirements of DESIRED observations (relatively bright spectra
and high probability of detecting RLs of heavy element ions), the
number ofH II regions with 12+log(OH) below 8.0 is rather limited.
A drawback that could be corrected with observations with the
future very large aperture telescopes.

3 PHYSICAL CONDITIONS

The determination of the chemical composition of photoionized
nebulae requires, as a first step, accurate calculations of 𝑛e and
𝑇e. DESIRED objects potentially comprise a wide range of den-
sities from 𝑛e ∼ 102 cm−3 for some extragalactic H II regions to
𝑛e > 105 cm−3 for HHs and the photoevaporating proplyd 170-
337 of the Orion Nebula. Therefore, it is possible to explore re-
lations between several density diagnostics. To derive 𝑛e, we test
the [S II] _6731/_6716, [O II] _3726/_3729, [Cl III] _5538/_5518,
[Fe III] _4658/_4702 and [Ar IV] _4740/_4711 line intensity ra-
tios. To solve the statistical equilibrium equations, we use PyNeb
1.1.13 (Luridiana et al. 2015) and the transition probabilities and
collision strengths given in Table A7. We use the getCrossTemDen
task of PyNeb to simultaneously derive 𝑇e and 𝑛e, cross match-
ing the aforementioned density diagnostics with the 𝑇e-sensitive
[N II] _5755/_6584, [O III] _4363/_5007, [Ar III] _5192/_7135
and [S III] _6312/_9069 line intensity ratios. Finally, we average
the density values obtained with each cross-match to obtain a rep-
resentative value of 𝑛e for each tested density diagnostic. For the
objects with reliable detections of density diagnostics but not of
the aforementioned temperature diagnostics, we derive the density
by assuming 𝑇e = 10000 ± 1000 K. There are only 5 objects in
this last case: three slit positions of M43 (observed by Simón-Díaz
et al. 2011), two H II regions of M33 and another two of NGC 300
(observed by Toribio San Cipriano et al. 2016). The temperature
dependence of the density diagnostics is negligible in these cases.
All these objects show 𝑛e < 1000 cm−3. We analyze the 𝑛e deter-
minations in Section 5, defining a clear criteria to adopt its final
representative value for each object. Finally, once 𝑛e is fixed, 𝑇e is
calculated by using the getTemDen task of PyNeb.

The near infrared lines [S III] _9069, 9531 can be affected by
the telluric absorption bands (Stevenson 1994; Noll et al. 2012),
potentially introducing spurious results in 𝑇e([S III]) if there is no
strict control over this issue. Usually, the most affected line is [S III]
_9531, which lies in a wavelength zone more contaminated by
telluric absorption bands, although this effect may vary depending
on internal gas velocities, as in the Orion Nebula, where [S III]
_9069 is usually the most contaminated one (Baldwin et al. 1991;
Méndez-Delgado et al. 2021a). We have tried to have a strict control
on the telluric absorptions, discarding the use of the affected lines,
in order to avoid spurious 𝑇e([S III]) determinations. As a second
check, in those objects where both lines were detected, we test

the [S III] _9531/_9069 line intensity ratio. Both lines arise from
the same atomic 1𝐷2 upper level, therefore their relative intensity
must be equal to 2.47 (Froese Fischer et al. 2006), regardless of the
physical conditions of the gas.We discard those objects where [S III]
𝐼 (_9531)/𝐼 (_9069) > 2.47 beyond the observational uncertainties,
as it indicates a possible effect on [S III] _9069. However, since no
telluric corrections of any kind were made, except in the Méndez-
Delgado et al. (2021a,b, 2022) spectra, we cannot guarantee that
all DESIRED spectra are free of telluric absorption effects on their
[S III] _9069, 9531 lines.

Although the [O II] __7319+20+30+31/__3726+29 and/or
[S II] __4069+76/__6716+31 line ratios were measured in many
objects, we prefer not using them in the determination of the fi-
nal adopted 𝑇e of each object. As we discuss in Section 6.1, those
line ratios are very sensitive to 𝑛e and the inferred 𝑇e([O II]) and
𝑇e([S II]) are affected by the presence of high-density clumps within
the ionized nebulae, as will be discussed in Section 6.1.

4 PHOTOIONIZATION MODELS

To explore the theoretical temperature relations in the absence of
temperature fluctuations (𝑡2 = 0), we select the photoionization
models of giant H II regions from the Mexican Million Models
database4 (Morisset et al. 2015), built for the BOND project (Vale
Asari et al. 2016) using Cloudy v17.01 (Ferland et al. 2017). We
adopt the same selection criteria as Amayo et al. (2021), which
considers startburst ages lower than 6 Myr, ionization-bounded and
density-bounded selected by a cut of 70 per cent of the H𝛽 flux and a
selection of realistic N/O,𝑈 andO/H values (Vale Asari et al. 2016).
We also adopt the same BPT-cut defined by Amayo et al. (2021) in
their equation (3). Since we do not intend to study the temperature
relations in PNe or RNe beyond analyzing their differences with the
results ofH II regions, we do not adopt any additional set of models.

5 THE DENSITY STRUCTURE OF IONIZED NEBULAE

Several line intensity ratios emitted from atomic levels close in
energy are sensitive to 𝑛e due to their different collisional excitation
and deexcitation rates. As shown in left panel of Fig. 2, the density
dependence of several optical and infrared line ratios is not linear
and they have different ranges of validity. The [S II] _6731/_6716
line intensity ratio is one of the most used density diagnostics in
the literature due to its observational accessibility. Therefore, it will
be used in this work as the main reference in the comparisons with
other density diagnostics. In order to estimate the utility of a density
diagnostic, it is convenient to study its sensitivity. We define this
quantity as the variation of the line intensity ratio with 𝑛e, being
mathematically represented with the derivative of the diagnostic
with respect to the density.

The sensitivity of the 𝑛e-diagnostics and, in general, the rela-
tionship between the inferred physical conditions and the observed
line intensity ratios depend on the atomic transition probabilities
and collision strengths. Several studies have analyzed the behavior
of these parameters with optical spectra (Stasińska et al. 2013; Juan
de Dios & Rodríguez 2017; Morisset et al. 2020; Juan de Dios &
Rodríguez 2021; Mendoza et al. 2023). After detecting and dis-
carding discrepant data sets, Morisset et al. (2020) and Mendoza
et al. (2023) estimate uncertainties of ∼ 10 per cent in the radiative

4 https://sites.google.com/site/mexicanmillionmodels/
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atomic rates for ions like [O II], [S II], [Fe III], [Cl III] and [Ar IV].
We minimize the presence of errors in the atomic data by consid-
ering the results of the aforementioned studies, avoiding the use of
discrepant atomic data sets. However, the impact of potential errors
cannot be completely neglected, since the available calculations are
few in number in the case of some ions.

A comparison of the relative sensitivity of different density
diagnostics with respect to the widely used [S II] _6731/_6716
is shown in the right panel of Fig. 2. The first notable result
is that [O II] _3726/_3729 and [S II] _6731/_6716 are equiva-
lent diagnostics in terms of sensitivity, without significant differ-
ences. This figure also shows that [Cl III] _5538/_5518, [Fe III]
_4658/_4702 and [Ar IV] _4740/_4711 are not sensitive diag-
nostics when 𝑛e < 103 cm−3. However, beyond this thresh-
old, the aforementioned diagnostics are comparatively more and
more sensitive, since [S II] _6731/_6716 decrease its sensitivity.
In contrast [O III] _88`m/_51`m shows higher sensitivity when
𝑛e < 103 cm−3, but beyond this value, its sensitivity decreases
to a greater extent than that of [S II] _6731/_6716. When 𝑛e ≈
105.3 cm−3, then Δ

(
𝐼_6716/𝐼_6731

)
/Δ𝑛e ≈ 0. On the other hand, at

fixed temperature, [O II] __7319+20+30+31/__ 3726+29 and [S II]
__4069+76/__6716+31 have a very high density-sensitivity over
the entire range from 102 cm−3 < 𝑛e < 106 cm−3. These line in-
tensity ratios will be discussed in detail in Section 6.1.

If the nebulae have homogeneous density, the different di-
agnostics should converge to the same value if they are in their
density-sensitive range. However, the emissions of the different
ions can come from different volumes of ionized gas and the neb-
ulae may contain density inhomogeneities. In fact, the presence of
high-density clumps has been revealed by high-resolution images
in several nearby photoionized nebulae (see e. g. Borkowski et al.
1993; O’Dell & Wong 1996; O’Dell et al. 2002). Besides filamen-
tary structures, jets of matter and gas flows due to photoionization
are capable of compressing the gas, increasing the local density.
Within theH II regions, ongoing star formation can give rise to HHs
(Herbig 1950; Haro 1952) and proplyds (O’Dell et al. 1993), which
are associated with clumps of ionized gas that can reach density
values of up to ∼ 106 cm−3 (Henney & O’Dell 1999). Although
the high-density inclusions may represent a small fraction of the
gas volume, the different collisional deexcitation rates of the di-
agnostics can bias them towards higher or lower values depending
on their particular density-sensitivity regime. Moreover, since the
refractory elements such as Fe are mostly depleted into dust grains
within the ionized environments, the [Fe III] _4702/_4658 ratio
may be more easily detected in shock-compressed higher-density
areas where the dust destruction is taking place, such as HH objects
(Méndez-Delgado et al. 2021a).

Fig. 3 compares 𝑛e([S II]) and the 𝑛e values obtained using
the rest of diagnostics for all the DESIRED nebulae. The [S II]
_6731/_6716 and [O II] _3726/_3729 diagnostics show an excel-
lent agreement for the whole sample. This is not surprising since
both O+ and S+ ions coexist in the volume of low degree of ion-
ization and both show essentially the same sensitivity (see the right
panel of Fig. 2). In some PNe, due to the possible existence of cold
clumps of high metallicity (Liu et al. 2000, 2006; García-Rojas
et al. 2016, 2022; Richer et al. 2022), we may expect an important
contribution of recombination in the observed [O II] lines (Barlow
et al. 2003; Wesson et al. 2018). This is especially important in the
cases of Ou5 and Abell 46 (Corradi et al. 2015), the PNe with the
largest ADF from the whole sample and the only ones with ADF>5,
and where the density obtained from [O II] _3726/_3729 is clearly
higher than that obtained from [S II] _6731/_6716. In the rest of the

photoionized nebulae in the database, this phenomenon, if present,
actually has a negligible impact on these density diagnostics.

The comparison of the [S II] _6731/_6716 values and
those of [Cl III] _5538/_5518, [Fe III] _4702/_4658 and [Ar IV]
_4740/_4711 reveals significant deviations from a 1:1 relation in
those objects where the first diagnostic gives 𝑛e < 1000 cm−3.
As expected from Fig 2, this is because the aforementioned di-
agnostics are at their low density limit, where the sensitivity is
practically negligible. In the low density limit, the line intensity ra-
tios should converge to constant values mainly fixed by the atomic
collisional strengths. From the DESIRED data we obtain [Cl III]
_5538/_5518 = 0.74 ± 0.05, [Fe III] _4702/_4658 = 0.26 ± 0.04
and [Ar IV] _4740/_4711 = 0.79 ± 0.07, in consistency with the
predictions of the selected atomic data (see Table A7), discarding
significant errors in them.

[Cl III] _5538/_5518, [Fe III] _4702/_4658 and [Ar IV]
_4740/_4711 line ratios become good density indicators for 𝑛e >
103 cm−3, showing higher sensitivity than [S II] _6731/_6716 (See
Fig. 2). For this range of 𝑛e, Fig. 3 shows a general offset be-
tween [S II] _6731/_6716 and the rest of the aforementioned diag-
nostics. This is due to the combination of two phenomena, [S II]
_6731/_6716 is more sensitive in areas of lower density within
the nebulae while the rest of indicators behave inversely. Further-
more, as density increases, for 𝑛e > 104 cm−3, the accuracy of [S II]
_6731/_6716 decreases, amplifying the size of error bars. It is no-
ticeable that [Fe III], [Cl III] and [Ar IV] density diagnostics show
rather consistent trends, despite arising from the low, intermedi-
ate and very high ionization volumes. This shows that the different
𝑛e-sensitivity range of the diagnostics dominates over the possible
density stratification in the nebulae, except for few dispersed objects
of the sample, as it is also shown in Fig. 4.

Considering the previous discussion and in agreement with
Méndez-Delgado et al. (2023), we propose the following criteria to
adopt a representative density for chemical abundance determina-
tions using optical spectra:

(i) If 𝑛e([S II]) < 100 cm−3, we adopt the low density limit (𝑛e <
100 cm−3).
(ii) If 100 cm−3 < 𝑛e([S II]) < 1000 cm−3, we adopt the average

value of 𝑛e([S II]) and 𝑛e([O II]).
(iii) If 𝑛e([S II]) > 1000 cm−3, we take the average values of

𝑛e([S II]), 𝑛e([O II]), 𝑛e([Cl III]), 𝑛e([Fe III]) and 𝑛e([Ar IV]) when
available.
(iv) For the HH objects we adopt 𝑛e([Fe III]), while in the case

of the proplyd 170-337, we adopt the reference value derived from
the [S II] _4069/_4076 line intensity ratio.

The resulting representative density values are shown in the
bottom panel of Fig. 3. As discussed in Section 6.1, this criteria
is far from perfect, but it is accurate enough to determine chemi-
cal abundances based on optical spectra. However, we discourage
its use for the determination of feedback-related pressure terms or
abundances based on infrared fine structure lines without further
analysis.

In criterion (i) we consider the fact that all the density diagnos-
tics analyzed in this work are insensitive at such low densities. If the
average electron density is actually in this range of values, its im-
pact is negligible in the determination of temperature and chemical
abundances (Osterbrock & Ferland 2006). However, the consid-
eration of another method is recommended for those who require
precise determinations of the gas pressure (dependent on density) in
low-densityH II regions, relevant to some phenomena such as stellar
feedback (e.g. McLeod et al. 2020; Barnes et al. 2021). As a sug-
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Figure 2. Left panel: Dependence of different line intensity ratios with the electron density –𝑛e–, considering a 𝑇e = 10000 K and the atomic data from
Table A7. The line intensity ratios have been normalized with the expected values at 𝑛e = 1 cm−3. Right panel: comparison between the density-sensitivity

of the different line intensity ratios and that of [S II] _6716/_6731, considering a 𝑇e = 10000 K. The density sensitivity is defined as
Δ

(
𝐼_1 /𝐼_2

)
Δ𝑛e

. When

𝑛e ≈ 105.3 cm−3,
Δ

(
𝐼_6716 /𝐼_6731

)
Δ𝑛e

≈ 0, inducing an asymptote.

gestion, considering the radiative and collisional atomic transitions
from Bautista et al. (2015), the [Fe II] _8617/_9267 line intensity
ratio should vary from a value ∼ 110 at 𝑛e = 1 cm−3 to a value ∼ 54
at 𝑛e = 100 cm−3 when assuming 𝑇e = 10000 K. These lines arise
from the Fe+ lower quartet levels, and should not have significant
fluorescence contributions (Baldwin et al. 1996; Verner et al. 2000).
Méndez-Delgado et al. (2021b, 2022) have checked the adequacy
of this density diagnostic in higher density regions. However, this
is highly dependent on the atomic data used (Mendoza et al. 2023).

Criterion (ii) is based on the fact that [Cl III] _5538/_5518,
[Fe III] _4702/_4658 and [Ar IV] _4740/_4711 are quite insensi-
tive to densities smaller than 1000 cm−3. In the presence of high-
density inclusions within the nebulae, densities adopted under this
criterion are underestimated as well as those of criterion (i). This
will be demonstrated in Section 6.1. The impact of such under-
estimate is rather limited in optical studies, being constrained up
to ∼ 0.1 dex when using [O II] 𝐼 (__7319+20+30+31) to estimate
the O+/H+ abundance. However, this can introduce large systematic
errors when using IR fine structure CELs, where a density under-
estimate of ∼ 300 cm−3 can affect 𝑇e determinations by several
thousand Kelvin (see fig. 3 from Lamarche et al. 2022).

Criterion (iii) allows us to obtain more precise values of elec-
tron density. Although the use of 𝑛e([S II] _6731/_6716) or 𝑛e([O II]
_3726/_3729) as single diagnostic is consistent with the adopted
value in most of the denser nebulae within the error bars –given
the high quality of the DESIRED spectra– the uncertainty of these
diagnostics becomes larger as the density increases. As shown in
the bottom panel of Fig. 3, a systematic underestimate of the me-
dian values of density is noticeable when 𝑛e([S II] _6731/_6716)
approaches values ∼ 104 cm−3, concerning especially to PNe. It
is difficult to establish whether this behaviour is linked to a den-
sity stratification in these objects, as some works suggest (see e. g.
Rauber et al. 2014), or it is just a consequence of the different sen-
sitivity of the compared diagnostics. Since this affects some HHs
as well, this seems to indicate that the different sensitivity of the
diagnostics dominates the observed trend. In this range of densities,
𝑇e([N II] _5755/_6584) depends appreciably on 𝑛e. Therefore, hav-

ing large error bars in 𝑛e gives rise to obtain inaccurate values of
𝑇e([N II] _5755/_6584) and, finally, of the ionic abundances.

Criterion (iv) is applied to photoionized HHs because indica-
tors based on [Fe III] lines are sensitive to very high densities, but
also because the destruction of Fe-bearing dust particles by shocks
enhances the emission of [Fe III] lines. In these cases, we adopt
the values obtained with a maximum-likelihood procedure using
several [Fe III] lines. This method provides values fully consistent
with 𝑛e([Fe III] _4702/_4658). In Fig. 3, we can see that density
determinations based on [Fe III] lines –although showing larger er-
ror bars– are marginally consistent with 𝑛e([S II] _6731/_6716) in
most of the cases except for HH 514, the proplyd 170-337 (Méndez-
Delgado et al. 2022) and NGC 7027 (Sharpee et al. 2007). In these
objects, the electron density is so high that a large fraction of the
emission in CELs is produced through the much weaker auroral
lines instead of the nebular ones. Unfortunately, because of the
large dust depletion and low ionization degree of proplyd 170-337,
𝑛e([Cl III] _5538/_5518), 𝑛e([Fe III] _4702/_4658) and 𝑛e([Ar IV]
_4740/_4711) can not be derived for this object. However, the den-
sity can be determined from the [S II] _4069/_4076 ratio in this
case.

6 TEMPERATURE STRUCTURE

In this section, we analyze the temperature relations for the dif-
ferent ionization zones in extragalactic H II regions. Firstly, we
will start by investigating the dependence of the low ionization
temperature diagnostics 𝑇e([O II]), 𝑇e([S II]) and 𝑇e([N II]) on the
electron density. Secondly, we will study the temperature rela-
tions obtained directly from the observations. In all figures of
this section, we use the parameter 𝑃 defined by Pilyugin (2001):

[O III]𝐼 (5007+4959)
[O III]𝐼 (5007+4959)+[O II]𝐼 (3726+3729) as a proxy of the ionization
degree of the gas.
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Figure 3. Comparison between the density derived from the [S II] _6731/_6716 line intensity ratio and from the rest of the diagnostics, including the average
density estimated from the adopted criteria (bottom panel). The solid line represents a 1:1 linear relation. Down arrows indicate the upper limit when the value
is at the low density limit (𝑛e < 100 cm−3).

6.1 𝑇e([O II]), 𝑇e([S II]), and 𝑇e([N II])

Based on the results of photoionization models (Campbell et al.
1986; Pilyugin et al. 2006), it is generally assumed that 𝑇e ( [O II]) ≈
𝑇e ( [S II]) ≈ 𝑇e ( [N II]). This is also predicted by the BOND mod-
els (Sec 4). However, this is rarely satisfied observationally in
extragalactic H II regions (Pérez-Montero & Díaz 2003; Kenni-

cutt et al. 2003; Hägele et al. 2006, 2008; Esteban et al. 2009;
Bresolin et al. 2009; Berg et al. 2015). 𝑇e ( [O II]) and 𝑇e ( [S II])
are estimated from [O II] __7319+20+30+31/__ 3726+29 and [S II]
__4069+76/__6716+31 line intensity ratios, which can be affected
by several observational effects. The first line intensity ratio is
highly dependent on the reddening correction as well as the qual-
ity of the flux calibration of the spectrum given the wide wave-
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Figure 4. Comparison between the density derived from the [Cl III] _5538/_5518 line intensity ratio and those from [Ar IV] _4740/_4711 and [Fe III]
_4702/_4658. The symbols code is the same as in Fig. 1. It should be noticed the good agreement that exist when considering regions with 𝑛e>1000 cm−3

(which leaves out most extragalactic H II regions and RNs, blue dots and magenta crosses, respectively), as they are in their optimal sensitivity range, regardless
of the degree of ionization of the ion.

Table 1. Linear fits between 𝑇e([O II]), 𝑇e([S II]) and 𝑇e([N II]). 𝜎 represent
the standard deviation between the linear fit and the calculated temperature
values. N is the number of regions considered.

Linear fit (K) 𝜎 (K) N
𝑇e ( [O II]) = 1.60(±0.20)𝑇e ( [N II]) − 4270(±1870) 1210 32
𝑇e ( [N II]) = 0.62(±0.08)𝑇e ( [O II]) + 2660(±840) 950 32
𝑇e ( [S II]) = 1.57(±0.17)𝑇e ( [N II]) − 4290(±1620) 900 30
𝑇e ( [N II]) = 0.64(±0.07)𝑇e ( [S II]) + 2740(±740) 730 30
𝑇e ( [S II]) = 1.03(±0.11)𝑇e ( [O II]) − 1050(±1180) 1280 39

length separation between the nebular and auroral lines. Moreover,
__7319+20+30+31 can be contaminated by telluric emissions. In
the case of the latter line intensity ratio, the [S II] auroral lines can
be blended with O II __4069.62, 4069.88, 4072.15, 4075.86 lines,
which can represent more than 10 per cent of the total flux in some
nebulae.

In addition to the possible observational effects commented on
above, some other physical phenomena have been invoked to explain
the discrepancies between𝑇e ( [O II]),𝑇e ( [S II]) and𝑇e ( [N II]), such
as:

• Mismatch between the temperature of the volumes of O+, N+
and S+.

• Recombination contribution to the CELs.
• Temperature fluctuations.
• Density variations.

The high quality of the DESIRED spectra permits us to min-
imize the effect of observational errors on 𝑇e determinations and
to explore other physical phenomena that may cause the discrep-
ancies. We derive 𝑇e ( [O II]), 𝑇e ( [S II]) and 𝑇e ( [N II]) adopting the
density criteria mentioned in Section 5, actually criteria (i) or (ii)
in most cases. The adoption of 𝑛e([S II] _6731/_6716) or 𝑛e([O II]
_3726/_3729) is the standard procedure for the analysis of ex-
tragalactic H II regions and therefore our results can be directly
compared with other works.

Fig. 5 shows the comparison between 𝑇e ( [O II]), 𝑇e ( [S II])
and 𝑇e ( [N II]) derived with the standard procedure of adopting
𝑛e([S II] _6731/_6716) and 𝑛e([O II] _3726/_3729) as the repre-
sentative electron density. The blue lines correspond to the best

linear fits, which are presented in Table 1. Despite of the quality of
the data, there are few outlier regions: NGC 5471, H 37 (Esteban
et al. 2020), N 66A (Domínguez-Guzmán et al. 2022) and H II-2
(López-Sánchez et al. 2007) with very high values of 𝑇e ( [S II]) and
NGC 2363 (Esteban et al. 2009) with an extremely high value of
𝑇e ( [O II]). These regions may have particular physical phenomena
or some non-identified contamination in the auroral lines, such as
those described previously. Although they are included in Fig. 5,
they are not considered in the linear fits shown in Table 1. We will
focus on the global trends.

As it can be seen in Fig. 5, 𝑇e ( [O II]) and 𝑇e ( [S II]) are higher
than 𝑇e ( [N II]) for most values of this last parameter, in agreement
with previous findings (Esteban et al. 2009; Bresolin et al. 2009;
Rogers et al. 2021). It should be noted that𝑇e ( [O II])-𝑇e ( [N II]) and
𝑇e ( [S II])-𝑇e ( [N II]) increase as a function of temperature, as shown
in the fit parameters given in Table 1. On the other hand, 𝑇e ( [S II])
versus 𝑇e ( [O II]) fits an almost 1:1 relation, with a slight offset to
higher 𝑇e ( [O II]) values.

6.1.1 Are these temperatures different?

The differences between the temperatures determined fromCELs of
different ions are usually explained because they are representative
of zones with different ionization conditions. This may result from
differences in the ionization potentials, in the spectral distribution
of the ionizing radiation and sometimes on the absorption edges
on the ionizing radiation and on the presence of charge exchange
and dielectronic recombination contributions (Stasińska 1980; Gar-
nett 1992). Although there are small differences in the ionization
energy ranges of S+, O+ and N+ and some other properties, pho-
toionization models predict that this should not have relevant effects
on the difference between 𝑇e ( [S II]), 𝑇e ( [O II]) and 𝑇e ( [N II]). The
exceptions may be very high metallicity regions, where the internal
temperature gradients can be very marked (Stasińska 2005). How-
ever, as can be inferred from Fig. 5, the differences in the top panels
are higher for the regions of higher degree of ionization, which is
most typical case at lower metallicities. Furthermore, although the
coexisting volumes of S+ and O+ usually differ much more than
those of N+ and O+ (e.g. see fig. 2 from Levesque et al. 2010), the
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Figure 5. Relations between𝑇e ( [O II]) ,𝑇e ( [S II]) and𝑇e ( [N II]) derived by adopting 𝑛e([S II] _6731/_6716) and 𝑛e([O II] _3726/_3729) in the extragalactic
H II regions of the sample. The color of the points represents the value of their 𝑃 parameter (Pilyugin 2001, see text) that can be used as proxy of the ionization
degree of the nebulae. The blue solid line represents the linear fit to the data. The black solid line represents a 1:1 linear relation.

first pair of ions shows better consistency between their respective
𝑇e values, as it is shown in the bottom panel of Fig. 5. This result
suggests that the difference between the ionization structure alone
does not explain the differences between 𝑇e ( [S II]), 𝑇e ( [O II]) and
𝑇e ( [N II]).

It is sometimes argued in the literature that part of the optical
[S II] emission can be originated in the photodissociation region
(PDR) where H and He are mostly neutral, discarding 𝑇e ( [S II]).
This argument has also been found together with the adoption of
𝑛e([S II]_6731/_6716) as valid density estimator, even for the entire
nebula (e.g. Esteban et al. 2020). It is clear that this can not be
an explanation of the differences between 𝑇e ( [S II]) and 𝑇e ( [N II])
since, although theremay be some S+ in the volumewhere H andHe
are neutral, the emission of [S II] lines requires numerous collisions
with free electrons that can only be supplied in sufficient quantities
by the ionization of H and He (O’Dell et al. 2023). Therefore, [S II]
emission should arise from the ionized volume and the surrounding
areas of the ionization front. Exceptions may appear when there are
shocks in the ionization front.

6.1.2 Recombination contributions?

Rubin (1986) pointed out the possibility of significant recombina-

tion contributions to the atomic levels that produce optical CELs of
N and O ions. At first order, one would expect recombinations to be
more important in regions of higher metallicity (Stasińska 2005),
where the temperature is lower. This is the opposite behavior of our
observations shown in Fig. 5. A complex question is to know in
what proportion the recombinations affect the inferred 𝑇e ( [S II]),
𝑇e ( [O II]) and 𝑇e ( [N II]) in the analyzed extragalactic H II regions,
as recombination contributions can affect both the auroral and neb-
ular [O II] lines whereas it is expected to only affect the auroral [N II]
line. To clarify this, we use the photoionization models described in
Section 4. These models consider the recombination contributions
in the [O II] and [N II] lines using the recombination coefficients
calculated by Pequignot et al. (1991), Fang et al. (2011, 2013) and
Storey et al. (2017).

In Fig. 6 we show that when the recombination contribution
is relevant, the measured [O II] __7319+20+30+31/__3726+29 line
intensity ratio tends to be comparatively more enhanced than [N II]
_5755/__6548+84. This implies that, if there are recombination
contributions (dielectronic plus radiative) to the [O II] and [N II]
CELs, we would expect 𝑇e ( [O II]) > 𝑇e ( [N II]) in most cases.

To date, there are no evidences of relevant recombination con-
tributions to the [S II] CELs. Furthermore, there is also a lack of
calculations of effective recombination coefficients for this ion.
However, potential recombination contributions to the [S II] CELs
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Figure 6. Comparison of the impact of recombination contributions on
𝑇e ( [O II]) and 𝑇e ( [N II]) . These predictions are based on photoionization
models described in Section 4. The color of the symbols represents the value
of their 𝑃 parameter (as in Fig 5). The black solid line represents a 1:1 linear
relation. In case of recombination contributions,𝑇e ( [O II]) > 𝑇e ( [N II]) for
most cases.
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Figure 7. Comparison of the derived𝑇e ( [S II]) without recombination con-
tributions with the hypothetical case of recombination contributions in pro-
portion to those of [O II]. These predictions are based on photoionization
models described in Section 4. The color of the symbols represents the
value of their 𝑃 parameter (as in Fig 5). The black solid line represents
a 1:1 linear relation. The recombination contributions are negligible for
𝑇e ( [S II]) > 7000 K.

can be tested by assuming that this ion has the same electronic
configuration than [O II]. Therefore, as a first approximation, the
recombination contribution to the 2𝑃 and 2𝐷 levels of [S II] would
be similar to that of [O II] weighted by the S2+/O2+ abundance ratio.
In Fig. 7 we show that the potential recombinations under this case
are negligible when 𝑇e ( [S II]) > 7000 K, which is the case for all
our data (see Fig. 5).

Considering the above, if the difference between 𝑇e ( [O II])
and 𝑇e ( [N II]) is actually produced by recombinations, this would
increase as a function of the intensity of the O II RLs. However,
Fig. 8 demonstrate that 𝑇e ( [O II]) − 𝑇e ( [N II]) and the intensity of
the O II V1 RLs (adopted fromMéndez-Delgado et al. 2023) do not
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Figure 8. 𝑇e ( [O II]) − 𝑇e ( [N II]) difference as a function of the intensity
of the O II recombination multiplet V1. The color of the symbols represents
the value of their 𝑃 parameter (as in Fig 5).

correlate, discarding significant recombination contributions. Most
importantly, if 𝑇e ( [O II]) are affected by recombinations, the close
1:1 relation shown by 𝑇e ( [O II]) and 𝑇e ( [S II]) in Fig. 5 would be
difficult to explain, given the predictions of Fig. 7. Therefore, re-
combination effects on [S II], [O II] and [N II] CELs do not seem
to explain the observed differences in their corresponding tempera-
tures.

6.1.3 Temperature inhomogeneities?

Peimbert (1967) introduced the formalism of internal temperature
inhomogeneities in ionized nebulae, quantified by the root mean
square temperature fluctuations parameter (𝑡2). In the presence of
such fluctuations in the volume where S+, O+ and N+ coexist, we
would expect𝑇e ( [O II]) ≥ 𝑇e ( [N II]) ≥ 𝑇e ( [S II]), as a consequence
of the different excitation energies of the atomic levels involved (see
equation 15 of Peimbert 1967). However, this is not the case in
the observed trends shown in Fig. 5, in agreement with the recent
results by Méndez-Delgado et al. (2023). Those authors find that
although the effects of 𝑡2 are evident in the high-ionization volume
of nebulae, they seem to be absent in the low-ionization one.

6.1.4 Density inhomogeneities

The [O II] __7319+20+30+31/__3726+29 and [S II]
__4069+76/__6716+31 line intensity ratios are highly de-
pendent on density as it is shown in Fig. 2. When 𝑇e is fixed,
the 𝑛e-sensitivity of the aforementioned line intensity ratios is
larger than that of [S II] _6731/_6716, [O II] _3726/_3729, [Cl III]
_5538/_5518, [Fe III] _4702/_4658 and [Ar IV] _4740/_4711 in
practically the entire range 102 cm−3 < 𝑛e < 106 cm−3. If there
are density inhomogeneities in the nebulae, these line ratios would
give higher densities than those derived from [S II] _6731/_6716
or [O II] _3726/_3729 (Peimbert 1971; Rubin 1989). The presence
of high-density clumps biases [S II] _6731/_6716 and [O II]
_3726/_3729 towards lower values of 𝑛e and this would impact
𝑇e ( [N II]) determination to a smaller extent than 𝑇e ( [O II]) and
𝑇e ( [S II]). This behavior is illustrated in Fig. 9, where it can be
seen that 𝑇e ( [N II]) is insensitive to density up to ∼ 104 cm−3,
two orders of magnitude beyond than in the case of 𝑇e ( [O II]) or
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Figure 10. Comparison between the average 𝑛e obtained from the [O II]
__7319+20+30+31/__3726+29 and [S II] __4069+76/__6716+31 line in-
tensity ratios and 𝑛e([S II] _6731/_6716) for extragalactic H II regions. The
color of the symbols represents the value of their 𝑃 parameter (as in Fig 5).
The black solid line represents a 1:1 linear relation.

𝑇e ( [S II]). If the high-density gas is 102 cm−3 < 𝑛e < 104 cm−3

or if the density is higher but occupies a small fraction of the total
ionized volume, 𝑇e ( [N II]) may remain unaffected in contrast to
what happens with 𝑇e ( [O II]) and 𝑇e ( [S II]).

As a conclusion, we propose that the presence of high-density
inclusions within the volume observed in the spectra of extragalactic
H II regions naturally explains the behavior seen in Fig. 5, including
the bottom panel, as [O II]__7319+20+30+31/__3726+29 and [S II]
__4069+76/__6716+31 have a similar dependency on density5. If
we use the [O II] and [S II] 2P0/2D0 (auroral to nebular) line in-

5 In fact, the 𝑛e dependency of [O II] __7319+20+30+31/__3726+29 is
slightly higher, and this may explain the larger number of points below the
1:1 line.
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Figure 11. Comparison between the average 𝑛e obtained from the [O II]
__7319+20+30+31/__3726+29 and [S II] __4069+76/__6716+31 line in-
tensity ratios and the adopted density for high density nebulae (𝑛e([S II]
_6731/_6716)>1000 cm−3). The black solid line represents a 1:1 linear
relation.

tensity ratios as density diagnostics instead of temperature ones by
cross-matching them with 𝑇e ( [N II]) (getCrossTemDen of PyNeb
can be used), we obtain densities that are consistent with each other
and systematically larger than 𝑛e([S II] _6731/_6716) (or 𝑛e([O II]
_3726/_3729)), as shown in Fig. 10. 𝑛e([S II] _6731/_6716) under-
estimate the density by ∼ 300 cm−3 on average, even when 𝑛e([S II]
_6731/_6716) < 102 cm−3. If 𝑇e ( [N II]) is adopted, this underesti-
mate of 𝑛e has a small impact in the calculation of chemical abun-
dances based on optical CELs, except when [S II] and [O II] auroral
lines are used. However, the underestimate of density is relevant in
the case of ionized gas pressure determinations and the correct in-
terpretation of the properties depending on this quantity. We remark
that the presence of high density inclusions and the underestimate
of density by 𝑛e([S II] _6731/_6716) and 𝑛e([O II] _3726/_3729)
(see Fig. 3) are extremely relevant when using infrared fine struc-
ture CELs (Lamarche et al. 2022). In analogy to what happens with
temperature inhomogeneities in the optical CELs, density inhomo-
geneities may introduce systematic bias in the chemical abundances
derived from infrared CELs. If 𝑛e is underestimated, ionic abun-
dances are also underestimated.

In the case of the high-density nebulae of the DESIRED sam-
ple, where 𝑛e([S II] _6731/_6716) > 1000 cm−3, we find good
consistency between the adopted density and the values derived
from the [O II] and [S II] 2P0/2D0 line intensity ratios, as shown in
Fig. 11. It should be noted that in these cases, the adopted densi-
ties are mainly weighted by the [Cl III], [Fe III] and [Ar IV] density
diagnostics. This suggests that although high-density clumps (or
density gradients) may be present in all ionized nebulae, the sys-
tematic effects on the derived properties can be reduced in those
objects showing higher mean densities. In contrast, in low-density
nebulae, the presence of high-density clumps can go unnoticed
by using 𝑛e([S II] _6731/_6716) or 𝑛e([O II] _3726/_3729) and
therefore affecting the reliability of further calculations involving
these parameters. A possible solution would be the use of [O II]
__7319+20+30+31/__3726+29 and [S II] __4069+76/__6716+31
as density indicators together with [N II] _5755/_6584 to determine
the temperature. Another conclusion of the discussion carried out
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Figure 12. Comparison between the O+ abundance derived with [O II]
auroral and nebular lines. Upper panel: the physical conditions adopted
are 𝑇e ( [N II]) and the average of 𝑛e([S II] _6731/_6716) and 𝑛e([O II]
_3726/_3729). Bottom panel: the physical conditions adopted are
𝑇e ( [N II]) and the average of 𝑛e([S II]__4069+76/__6716+31) and 𝑛e([O II]
__7319+20+30+31/__3726+29). The color of the symbols represents the
value of their 𝑃 parameter (as in Fig 5). The black solid line represents a 1:1
linear relation. The relation between both quantities is tighter in the bottom
panel.

so far is that the use of 𝑇e ( [O II]) and 𝑇e ( [S II]) should be avoided
when 𝑇e ( [N II]) is available.

The different sensitivity of auroral and nebular [O II] lines to
density cause the systematic difference between the O+ abundances
determined with the [O II] auroral and nebular lines; fact that has
been described by several authors, especially in the case of PNe
(Stasińska et al. 1998; Escudero et al. 2004; Rodríguez 2020). In
the case of PNe, there may be other phenomena playing a role. In
the upper panel of Fig. 12 we compare the O+ abundance derived
from [O II] auroral and nebular lines using 𝑇e ( [N II]) and the aver-
age of 𝑛e([S II] _6731/_6716) and 𝑛e([O II] _3726/_3729). In the
figure, we can see that the O+/H+ ratio derived with the [O II] au-
roral lines is up to ∼0.1 dex higher, on the average. In the bottom
panel of Fig. 12 we show the same comparison but using [O II]
__7319+20+30+31/__3726+29 and [S II] __4069+76/__6716+31
as density indicators. As we can see, with this approach the system-
atic difference is removed.

6.2 The DESIRED temperature relationships for
extragalactic HII regions

The temperature can be stratified within ionized nebulae, which is
reflected in differences between the representative values of different
ionic species. The most common procedure to consider the temper-
ature stratification when deriving chemical abundances is to adopt
𝑇e ( [O III]) and 𝑇e ( [N II]) for the high and low ionization volumes,
respectively. Other temperature-sensitivity line ratios as 𝑇e([S III]
_6312/_9069) arises from zones of intermediate ionization (e.g.
Berg et al. 2015).

Fig. 13 shows the DESIRED temperature relationships derived
from different diagnostics associated with different ionization vol-
umes of the gas. In each plot, we include the best fit to the data, the
predicted linear fit from the BOND models (see Section 4) and the
model-derived relations of Garnett (1992). In Table 2 we present
the DESIRED temperature relations (column 4) and the scatter and
number of objects considered in each case (columns 5-6).

Upper left panel of Fig. 13 shows the 𝑇e ( [O III]) vs. 𝑇e ( [N II])
relationship defined for the DESIRED extragalactic H II regions
and the linear fit to the data. There is wealth of works devoted
to study this relation in the literature (e.g., Campbell et al. 1986;
Garnett 1992; Pagel et al. 1992; Pilyugin 2007; Esteban et al. 2009;
Arellano-Córdova &Rodríguez 2020; Berg et al. 2020; Rogers et al.
2021, 2022), finding a relatively high scatter. Arellano-Córdova
& Rodríguez (2020) showed that part of the dispersion is due to
the effects of metallicity and the degree of ionization and there-
fore related to nebular properties. With the DESIRED extragalac-
tic H II regions, we minimize spurious scatter that can occur by
using low signal-to-noise spectra and confirm a departure from
a linear relationship. This departure becomes larger with the de-
gree of ionization (and lower metallicities) and becomes noticeable
when 𝑇e ( [O III]) > 10000 K. Such a deviation from a linear re-
lationship has been reported by several authors previously (e.g.
Pilyugin 2007; Arellano-Córdova & Rodríguez 2020). In Fig. 13
we also include a quadratic fit to the data, which is only valid
within 7000 K < 𝑇e ( [O III]) < 16, 500 K. However, its shape
at 𝑇e ( [O III]) > 13, 000 K is determined by the position of only
two objects in the diagram, NGC 5408 (Esteban et al. 2014b) and
NGC 2363 (Esteban et al. 2009). As shown in Table 2, the photoion-
ization models described in Section 4 are not able to reproduce the
curvature observed between 𝑇e ( [O III]) and 𝑇e ( [N II]) in the DE-
SIRED extragalactic H II regions. This curvature is not reproduced
either if the models are weighted with the methodology proposed
by Amayo et al. (2021) in their equation (4), considering the obser-
vational sample compiled by Zurita et al. (2021) and Izotov et al.
(2007).

Méndez-Delgado et al. (2023, see their fig. 2 and equation (4))
derive a tight linear relation between 𝑇e ( [N II]) and the average
temperature of the high ionization volume, 𝑇0 (O2+), parameter that
can be used to estimate the O/H ratio without the bias induced
by temperature inhomogeneities which does affect the abundances
determined using 𝑇e ( [O III]). Nevertheless, 𝑇e ( [N II]) is usually
very difficult to determine in faint low metallicity H II regions and
the only available temperature diagnostic is often 𝑇e ( [O III]). In
such cases, it is possible to use the relations presented in Table 2 to
estimate 𝑇e ( [N II]) and consequently 𝑇0 (O2+), using equation (4)
from Méndez-Delgado et al. (2023).

Fig. 13 includes also temperature relations involving the un-
common 𝑇e ( [Ar III]), derived from the [Ar III] _5192/_7135 inten-
sity ratio. DESIRED contains the largest collection of 𝑇e ( [Ar III])
determinations forH II regions. Considering that the ionization con-
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ditions of Ar2+ are different than those of S2+ or O2+, we cannot
strictly say that𝑇e ( [Ar III]) is also representative of the same ioniza-
tion volumewhere S2+ or O2+ lie. In themiddle left panel of Fig. 13,
we can see that 𝑇e ( [Ar III]) follows a rather linear relationship with
𝑇e ( [O III]) for the spectra of extragalactic H II regions. Lower left
panel of Fig. 13 shows that the behavior of the 𝑇e ( [Ar III]) vs.
𝑇e ( [N II]) relationship has certain similarity to the 𝑇e ( [O III]) vs.
𝑇e ( [N II]) one. The two objects with the highest 𝑇e show some
deviation towards larger 𝑇e ( [Ar III]) values. This agrees with the
results obtained by Méndez-Delgado et al. (2023), who find that
𝑇e ( [Ar III]) and 𝑇e ( [O III]) seem to be affected by 𝑡2 in a similar
way.

Upper right panel of Fig. 13 shows the𝑇e ( [S III]) vs.𝑇e ( [O III])
relationship defined by the DESIRED spectra of extragalactic H II
regions. The slope of the linear fit to the data is very similar to that
obtained from model predictions of Garnett (1992) and Vale Asari
et al. (2016). However, the dispersion around the fit is larger for the
observational points with higher 𝑇e and 𝑃 parameter values. Those
points correspond mainly to spectra of H II regions of the Magel-
lanic Clouds (Domínguez-Guzmán et al. 2022). As mentioned in
Section 3, some of our estimates of 𝑇e ( [S III]) might not be com-
pletely free of telluric absorptions in the [S III] _9069, 9531 lines
and this fact may enhance the derived𝑇e ( [S III]). In the middle right
panel of Fig. 13 we present the𝑇e ( [S III]) vs.𝑇e ( [N II]) relationship,
which follows a linear relation with a remarkably small dispersion
except for the spectra with lowest 𝑇e values. Our linear fit has a
steeper slope compared to the relations found by Berg et al. (2020)
or Rogers et al. (2021). This might be due to the larger proportion of
DESIRED spectrawith𝑇e ( [S III]) > 12000 compared to the samples
of Berg et al. (2020) or Rogers et al. (2021), where the vast majority
of objects are below that 𝑇e value. The higher slope defined by the
DESIRED spectra may be related to the fact that –as it was also
noted in the 𝑇e ( [O III]) vs. 𝑇e ( [N II]) and 𝑇e ( [Ar III]) vs. 𝑇e ( [N II])
relationships– 𝑇e ( [S III]) tends to be higher than 𝑇e ( [N II]) in spec-
tra with larger 𝑇e values. As it has been said before, and following
the results by Méndez-Delgado et al. (2023), this indicates that
𝑇e ( [S III]) may also be affected by 𝑡2. This possibility, however,
requires a verification since the telluric absorptions in the [S III]
_9069, 9531 lines act in the same direction as 𝑡2.

7 DISCUSSION AND CONCLUSIONS

In this paper we present a first study based on DEep Spectra of Ion-
ized REgions Database (DESIRED), a collection of high-quality
deep optical spectra of ionized nebulae from the literature. The data
were mostly obtained with 8-10m telescopes over more than 20
years by our research group and have been carefully reduced in an
homogeneous way. DESIRED contains ∼ 29380 emission lines of
190 spectra of Galactic and extragalactic H II regions, PNe, RNe
as well as photoionized HH objects and one proplyd of the Orion
Nebula. The main aim of the study of the DESIRED sample as a
whole is to draw attention to and quantify systematic effects that
may bias the determination of physical conditions and chemical
abundances of ionized gas in the Universe, as well as to better un-
derstand the physics of the formation of certain faint emission lines.
The philosophy of DESIRED has been to prioritize the quality and
depth of the spectra over their quantity in the design of the observa-
tions. However, due to the continuity of the project over the years,
the number of objects has been increasing substantially, reaching
a level comparable to that of a small survey, with the possibility
of increasing in the future, especially with observations of low-

metallicity (12+log(O/H) < 8.0) objects with very large aperture
telescopes. Although formally this is the first paper based on the ex-
ploitation of DESIRED, it was also used by Méndez-Delgado et al.
(2023), who analyzed the systematic bias introduced by tempera-
ture fluctuations in the determination of ionized abundances in H II
regions, a task impossible to perform with any other sample.

In this paper, we explore the density structure of the DE-
SIRED objects as well as the 𝑇e-𝑇e relations for extragalactic
H II regions. Regarding the density structure, we show that [Cl III]
_5538/_5518, [Fe III] _4658/_4702 and [Ar IV] _4740/_4711 are
good density indicators when 103 cm−3 < 𝑛e < 106 cm−3, whereas
[S II] _6731/_6716, [O II] _3726/_3729 are density sensitive when
102 cm−3 < 𝑛e < 104 cm−3. We find good consistency between
diagnostics associated to different ionization volumes when the sen-
sitivity ranges are similar. This implies that the sensitivity range of
the diagnostics used is a more relevant parameter to obtain good
density determinations than their selection attending to the ioniza-
tion volume in which the abundance is determined. Based on these
findings, in Section 5 we present simple and consistent criteria to
derive the representative density for chemical abundance studies in
the optical range.

We demonstrate that 𝑛e([S II] _6731/_6716) and 𝑛e([O II]
_3726/_3729) are biased towards lower densities in extragalac-
tic H II regions due to the presence of density inhomogeneities
and the non-linear sensitivity of these indicators. This is inferred
from the behavior of [O II] __7319+20+30+31/__ 3726+29 and
[S II] __4069+76/__6716+31 intensity ratios, commonly used to
compute 𝑇e([O II]) and 𝑇e([S II]), respectively. When 𝑇e([O II]) and
𝑇e([S II]) –derived adopting 𝑛e([S II] _6731/_6716) and 𝑛e([O II]
_3726/_3729– are compared with 𝑇e([N II] _5755/_6584) they
show systematic trends that can not be explained by observa-
tional errors, mismatches between the ionization volumes, re-
combination contribution or temperature fluctuations, but are ex-
plained by the presence of an inhomogeneous density struc-
ture. The sensitivity of [O II] __7319+20+30+31/__ 3726+29 and
[S II] __4069+76/__6716+31 to higher densities – 102 cm−3 <

𝑛e < 106 cm−3– makes them better diagnostics than 𝑛e([S II]
_6731/_6716) or 𝑛e([O II] _3726/_3729) when they are cross-
correlated with 𝑇e([N II]), since they are sensitive to the presence of
high-density clumps.

In the analysis of extragalactic H II regions, the density under-
estimate of 𝑛e([S II] _6731/_6716) or 𝑛e([O II] _3726/_3729) is of
∼ 300 cm−3 on the average, even if the aforementioned diagnostics
give values consistent with the low density limit (< 100 cm−3). The
implications of this underestimate in the calculation of chemical
abundances from optical spectra are rather small, being constrained
up to ∼ 0.1 dex when O+ abundances are estimated with the [O II]
__7319 + 20 + 30 + 31 CELs. However, the density underestimate
is critical for studies based on infrared fine structure CELs. For in-
stance, [O III] 88`m decreases its emissivity ∼40 per cent when 𝑛e
changes from 200 cm−3 to 500 cm−3, implying an increase of the
derived chemical abundances of ∼ 70 per cent. Density diagnostics
in the infrared such as [O III] 88`m/52`m are likely to suffer a
bias towards lower densities even to a greater extent than 𝑛e([S II]
_6731/_6716) or 𝑛e([O II] _3726/_3729) due to their different sen-
sitivity ranges (see Fig. 2).

Finally, we present the temperature relations for DESIRED
extragalactic H II regions considering the 𝑇e-sensitive [N II]
_5755/_6584, [O III] _4363/_5007, [Ar III] _5192/_7135 and
[S III] _6312/_9069 intensity ratios. The availability of such a num-
ber of different 𝑇e diagnostics permits us to calculate chemical
abundances considering the stratification of temperature at different
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Figure 13. Temperature relations of the DESIRED extragalactic H II regions. Top panels: 𝑇e[N II] (left) and𝑇e([S III]) (right) as a function of𝑇e([O III]).Middle
panels: The 𝑇e([O III]) - 𝑇e([Ar III]) relation (left) and the 𝑇e([N II])- 𝑇e([S III]) relation (right). Bottom panels: The 𝑇e([N II])-𝑇e([Ar III]) relation (left) and the
𝑇e([S III]) and 𝑇e([Ar III]) relation (right). The solid blue line represent the linear fit of the data. The dashed and dotted lines indicates the model predictions of
Garnett (1992) and the BOND models (Vale Asari et al. 2016), respectively. The red solid line in the upper left panel represents a second degree polynomial fit.

ionization volumes. We confirm a departure from a linear fit in the
𝑇e([O III]) vs. 𝑇e([N II]) relationship, which is more prominent in
regions of lower metallicity. This is consistent with the presence of
larger temperature inhomogeneities in the high ionization volume
of these systems, as Méndez-Delgado et al. (2023) propose in a
recent study. A similar departure from a linear fit seems also to be

present in the 𝑇e([Ar III]) vs. 𝑇e([N II]) and 𝑇e([S III]) vs. 𝑇e([N II])
relationships of the DESIRED spectra of extragalactic H II regions.
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Table 2. The DESIRED temperature relations for extragalactic H II regions.

Models (K) 𝜎 (K) Observations (K) 𝜎 (K) N

𝑥 = 𝑇e ( [O III])

𝑇e ( [N II]) = 0.87𝑥 + 1540 600 𝑇e ( [N II]) = 0.65(±0.04)𝑥 + 3640(±360) 400 42
𝑇e ( [N II]) = −1.11 × 10−5𝑥2 + 1.06𝑥 + 760 𝑇e ( [N II]) = −5.19 × 10−5𝑥2 + 1.71𝑥 − 1680

𝑇e ( [S III]) = 0.95𝑥 + 510 200 𝑇e ( [S III]) = 1.06(±0.10)𝑥 − 640(±1070) 640 27
𝑇e ( [Ar III]) = 0.95𝑥 + 560 250 𝑇e ( [Ar III]) = 0.78(±0.09)𝑥 + 2120(±1000) 580 17

𝑥 = 𝑇e ( [S III])
𝑇e ( [N II]) = 0.92𝑥 + 1010 470 𝑇e ( [N II]) = 0.43(±0.06)𝑥 + 5820(±500) 330 15
𝑇e ( [Ar III]) = 0.99𝑥 + 50 70 𝑇e ( [Ar III]) = 0.58(±0.09)𝑥 + 4020(±930) 380 11
𝑇e ( [O III]) = 1.04𝑥 − 480 210 𝑇e ( [O III]) = 0.95(±0.10)𝑥 + 600(±950) 830 27

𝑥 = 𝑇e ( [N II])
𝑇e ( [S III]) = 1.05𝑥 − 750 510 𝑇e ( [S III]) = 2.31(±0.24)𝑥 − 13470(±2570) 920 15
𝑇e ( [Ar III]) = 1.05𝑥 − 710 480 𝑇e ( [Ar III]) = 1.57(±0.24)𝑥 − 6070(±2570) 790 17
𝑇e ( [O III]) = 1.09𝑥 − 1190 660 𝑇e ( [O III]) = 1.55(±0.09)𝑥 − 5620(±860) 710 42
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Table A1. DESIRED Photoionized Herbig-Haro objects and proplyds.

Object Spectrograph Telescope Reference
HH202S

UVES VLT

Mesa-Delgado et al. (2009)
HH204 Méndez-Delgado et al. (2021b)

HH514I (jet base) Méndez-Delgado et al. (2022)HH514II (knot)
HH529II Méndez-Delgado et al. (2021a)HH529III

Proplyd 170-337 Méndez-Delgado et al. (2022)

Table A2. DESIRED Galactic Ring Nebulae.

Object Zone Ionizing star type Spectrograph Telescope Reference

G2.4+1.4

A1

WO2

OSIRIS GTC

Esteban et al. (2016)
A2 MagE Clay Telescope
A3

OSIRIS GTCA4
A5

NGC 6888

A1

WN6 OSIRIS GTC Esteban et al. (2016)

A2
A3
A4
A5
A6

NGC 7635

A1

O6.5f OSIRIS GTC Esteban et al. (2016)

A2
A3
A4
A5
A6

RCW 52 10:46:02.5 −58:38:05 O8 MagE Clay Telescope Esteban et al. (2016)RCW 58 11:06:00.1 −65:32:06 WN8
Sh 2-298 07:18:28.10 −13:17:19.7 WN4 UVES VLT Esteban et al. (2017)
Sh 2-308 06:53:02.2 −23:53:30 WN4 MagE Clay Telescope Esteban et al. (2016)
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Table A3. DESIRED Extragalactic H II regions.

Nebula Galaxy Spectrograph Telescope Reference
He 2-10 He 2-10 UVES VLT Esteban et al. (2014b)
30 Doradus

LMC UVES VLT

Peimbert (2003)
IC 2111a

Domínguez-Guzmán et al. (2022)N11Bb
N44Cb

NGC 1714a
BA289

M31 OSIRIS GTC Esteban et al. (2020)

BA310
BA371
BA374
BA379
K160
K703
K932b HIRES KECK Esteban et al. (2009)
B2011 b5

M33
UVES VLT Toribio San Cipriano et al. (2016)

B2011 b15
BCLMP 29
BCLMP 88w
BCLMP 290
BCLMP 626
IC 131
IC 132
NGC 588
LGC H II3
LGC H II11
NGC 595 HIRES KECK Esteban et al. (2009)NGC 604
Nucleus 13 M83 HIRES KECK Esteban et al. (2009)
H37

M101

OSIRIS GTC Esteban et al. (2020)

H219
H681
H1146
H1216
H1118
NGC 5447
NGC 5455
NGC 5462
NGC 5471
SDH323
NGC 5447 ISIS WHT

Esteban et al. (2009)H1013g HIRES KECKNGC 5461
Mrk 1271 Mrk 1271 UVES VLT Esteban et al. (2014b)
R2

NGC 300 UVES VLT Toribio San Cipriano et al. (2016)

R5
R14
R20
R23
R27
R76a
Zone C NGC 1741 HIRES KECK Esteban et al. (2009)NGC 2363 (Mrk 71) NGC 2366
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Table A3. DESIRED Extragalactic H II regions (continued).

Nebula Galaxy Spectrograph Telescope Reference
VS 24d

NGC 2403 HIRES KECK Esteban et al. (2009)VS 38d
VS 44d
NGC 3125 NGC 3125 UVES VLT Esteban et al. (2014b)
Region 70 NGC 4395 HIRES KECK Esteban et al. (2009)Brightest H II region NGC 4861
H II-1

NGC 5253 UVES VLT López-Sánchez et al. (2007)H II-2
UV-1
UV-2

NGC 5408 NGC 5408

UVES VLT Esteban et al. (2014b)NGC 6822 NGC 6822
POX 4 POX 4

SDSS J1253-0312 SDSS J1253-0312
N66Ab

SMC UVES VLT Domínguez-Guzmán et al. (2022)N81b
N88Ab
N90b

Tol 1457-262 Tol 1457-262 UVES VLT Esteban et al. (2014b)Tol 1924-416 Tol 1924-416

Table A4. DESIRED Galactic Planetary Nebulae.

Nebula Spectrograph Telescope Reference
Abell 46 ISIS WHT Corradi et al. (2015)Abell 63
Cn 1-5 MIKE Clay Telescope García-Rojas et al. (2012)
H 1-40 UVES VLT García-Rojas et al. (2018)H 1-50
Hb 4 MIKE Clay Telescope García-Rojas et al. (2012)
He 2-73 UVES VLT García-Rojas et al. (2018)
He 2-86 MIKE Clay Telescope García-Rojas et al. (2012)
He 2-96 UVES VLT García-Rojas et al. (2018)He 2-158
IC 418 Blanco echelle CTIO Blanco Sharpee et al. (2003)
IC 2501 MIKE Baade Telescope Sharpee et al. (2007)IC 4191
IC 4776 UVES VLT Sowicka et al. (2017)
M 1-25 MIKE Clay Telescope García-Rojas et al. (2012)M 1-30
M 1-31 UVES VLT García-Rojas et al. (2018)
M 1-32 MIKE Clay Telescope García-Rojas et al. (2012)
M 1-33 UVES VLT García-Rojas et al. (2018)M 1-60
M 1-61 MIKE Clay Telescope García-Rojas et al. (2012)
M 2-31 UVES VLT García-Rojas et al. (2018)
M 2-36 Espíritu & Peimbert (2021)
M 3-15 MIKE Clay Telescope García-Rojas et al. (2012)
NGC 2440 MIKE Baade Telescope Sharpee et al. (2007)
NGC 3918 UVES VLT García-Rojas et al. (2015)
NGC 5189 MIKE Clay Telescope García-Rojas et al. (2012)
NGC 5315 UVES VLT Madonna et al. (2017)
NGC 6369 MIKE Clay Telescope García-Rojas et al. (2012)
NGC 6778 FORS2 VLT Jones et al. (2016)
NGC 7027 Mayall echelle KPNO Mayall Telescope Sharpee et al. (2007)
Ou5 ISIS WHT Corradi et al. (2015)
PC 14 MIKE Clay Telescope García-Rojas et al. (2012)Pe 1-1
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Table A5. DESIRED Galactic H II regions.

Nebula Zone Spectrograph Telescope Reference

IC 5146
93.8” from BD+46 3474 (A2)

ISIS WHT García-Rojas et al. (2014)115.8” from BD+46 3474 (A3)
137.8” from BD+46 3474 (A4)

M8 12” S of the center of the Hourglass

UVES VLT

García-Rojas et al. (2007)
M16 48” N and 40” W of BD-13 4930 García-Rojas et al. (2006)
M17 300” S and 72” E of the center of BD-164819 García-Rojas et al. (2007)
M20 17” N and 10” E of HD164492 García-Rojas et al. (2006)

M43
51.55” from HD 37061 (A4)

ISIS WHT Simón-Díaz et al. (2011)68.05” from HD 37061 (A5)
84.55” from HD 37061 (A6)

NIL 154.3” from \1 Ori C (cut 2)

UVES VLT

Méndez-Delgado et al. (2021b)
NGC 2579 5” N of DENIS J082054.8-361258 Esteban et al. (2013)
NGC 3576 24” N and 65” W of HD 97499 García-Rojas et al. (2004)
NGC 3603 12” N and 116” E of HD 306201 García-Rojas et al. (2006)

Orion Nebula

29.4” from \1 Ori C

UVES VLT

Esteban et al. (2004)
45.0” from \1 Ori C Delgado-Inglada et al. (2016)109.4” from \1 Ori C (Orion Bar)
75.5” from \1 Ori C Mesa-Delgado et al. (2009)

34.6” from \1 Ori C (cut 1)

Méndez-Delgado et al. (2021a)34.8” from \1 Ori C (cut 2)
35.3” from \1 Ori C (cut 3)
35.8” from \1 Ori C (cut 4)
149.4” from \1 Ori C (cut 1) Méndez-Delgado et al. (2021b)154.3” from \1 Ori C (cut 2)
13.5” from \1 Ori C (cut 2) Méndez-Delgado et al. (2022)9.5” from \1 Ori C (cut 3)

Sh 2-29 18:09:49.90 −24:04:14.5

OSIRIS GTC

Arellano-Córdova et al. (2021)

Sh 2-32 18:09:52.72 −23:38:39.5
Sh 2-47 18:18:16.02 −15:36:17.2
Sh 2-48 18:22:12.46 −14:36:19.1
Sh 2-53 18:25:16.21 −13:09:12.2
Sh 2-54 18:17:48.99 −11:43:45.4
Sh 2-61 18:33:21.04 −04:57:55.7 Esteban & García-Rojas (2018)
Sh 2-82 19:30:22.80 +18:15:14.4 Arellano-Córdova et al. (2021)
Sh 2-83 19:24:52.55 +20:47:24.4 Esteban et al. (2017)
Sh 2-88B 19:46:46.51 −25:12:39.4 Arellano-Córdova et al. (2021)
Sh 2-90 19:49:09.33 +26:51:41.4 Esteban & García-Rojas (2018)
Sh 2-93 19:54:58.17 +27:12:45.3 Arellano-Córdova et al. (2021)
Sh 2-100 20:02:00.69 +33:29:23.9

Esteban et al. (2017)Sh 2-127 21:28:40.95 +54:42:13.9
Sh 2-128 21:32:49.86 +55:53:16.2
Sh 2-152 22:58:40.80 +58:46:53.8 OSIRIS GTC Esteban & García-Rojas (2018)
Sh 2-175 00:27:47.93 64:42:00.3

OSIRIS GTC

Esteban & García-Rojas (2018)
Sh 2-209 04:11:25.69 +51:14:33.8 Esteban et al. (2017)Sh 2-212 04:40:56.13 +50:26:53.1
Sh 2-219 04:56:11.69 +47:23:49.4

Esteban & García-Rojas (2018)

Sh 2-235 05:41:03.12 +35:51:33.1
Sh 2-237 05:31:26.10 +34:15:06.2
Sh 2-257 06:12:43.99 +17:58:52.4
Sh 2-266 06:18:46.14 +15:17:27.6
Sh 2-270 06:10:12.75 +12:48:44.6
Sh 2-271 06:14:53.89 +12:21:11.2
Sh 2-285 06:55:16.49 −00:31:01.9
Sh 2-288 07:08:48.90 +07:08:48.9 Esteban et al. (2017)
Sh 2-297 07:05:16.03 −12:19:45.4 Esteban & García-Rojas (2018)
Sh 2-311 126” S of HD 64315 UVES VLT García-Rojas et al. (2005)

MNRAS 000, 1–17 (2020)
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Table A6. Average spectral resolution and coverage from the sampled regions. The precise spectral resolutions are found in the reference articles shown in
Tables A1-A5.

Instrument Average R Spectral coverage Telescope No. spectra taken Ins. Ref.

ISIS ∼ 3000
__4225 − 5075 & __5430 − 8195 Å

4.2m WHT 10 Jorden (1990)__3610 − 9150 Å
__3386 − 5102 & __6064 − 7585 Å

MagE ∼ 4000 __3100 − 10000 Å 6.5m Magellan Clay Telescope 4 Marshall et al. (2008)

MIKE ∼ 27000 __3350 − 9400 Å 6.5m Magellan Clay Telescope 12 Bernstein et al. (2003)∼ 25000 __3280 − 7580 Å 6.5m Magellan Baade Telescope 3
Blanco echelle ∼ 33000 __3400 − 9700 Å 4m CTIO Blanco 1
Mayall echelle ∼ 15000 __4600 − 9200 Å 4m KPNO Mayall 1 York et al. (1981)
HIRES ∼ 23000 __3550 − 7440 Å 10m KECK I 13 Vogt et al. (1994)

OSIRIS ∼ 1020 __3600 − 7750 Å 10.4m GTC 63 Cepa et al. (2000, 2003)∼ 2520 __4430 − 6070 Å
UVES ∼ 20000 __3100 − 10420 Å 8.2m VLT Kueyen 82 D’Odorico et al. (2000)
FORS2 ∼ 4000 __3600 − 7200 Å 8.2m VLT Antu 1 Appenzeller et al. (1998)

Table A7. Atomic data set used for collisionally excited lines.

Ion Transition Probabilities Collision Strengths
O+ Froese Fischer & Tachiev (2004) Kisielius et al. (2009)
O2+ Wiese et al. (1996), Storey & Zeippen (2000) Storey et al. (2014)
N+ Froese Fischer & Tachiev (2004) Tayal (2011)
S+ Irimia & Froese Fischer (2005) Tayal & Zatsarinny (2010)
S2+ Froese Fischer et al. (2006) Grieve et al. (2014)
Cl2+ Fritzsche et al. (1999) Butler & Zeippen (1989)
Ar2+ Mendoza (1983), Kaufman & Sugar (1986) Galavis et al. (1995)
Ar3+ Mendoza & Zeippen (1982) Ramsbottom & Bell (1997)
Fe2+ Quinet (1996) Zhang (1996)

MNRAS 000, 1–17 (2020)
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ABSTRACT

We present High Sensitivity Array observations of the H2O megamasers of NGC 1068. We obtain

absolute astrometry with 0.3 mas precision that confirms the association of the disk masers with

the nuclear radio continuum source S1. The new observations reveal two new blueshifted groups of

disk masers. We also detect the 22 GHz continuum on short interferometric baselines. The position-

velocity diagram of the disk masers shows a curve consistent with a nonaxisymmetric distribution

of maser spots. This curve is probably the result of spiral arms with a constant pitch angle ∼ 5◦.

The disk kinematics are consistent with Keplerian rotation and low turbulent speeds. The inferred

central mass is 17 × 106 M�. On the basis of disk stability arguments, the mass of the molecular

disk is ≈ 110 × 103 M�. The disk masers further resolve into filamentary structures suggesting an

ordered magnetic field threading the maser disk. The magnetic field strengths must be & 1.6 mG to

withstand turbulent motions in the partially ionized molecular gas. We note apparent asymmetries in

the molecular disk that might be explained by anisotropic heating by a misaligned inner accretion disk.

The new observations also detect the fainter jet masers north of the disk masers. The distribution and

kinematics of the jet masers are consistent with an expanding ring of molecular gas.

1. INTRODUCTION

Extragalactic H2O megamasers are found to be associated with molecular accretion disks and nuclear outflows (H2O

megamasers are reviewed in Lo 2005). The most famous case is NGC 4258 (Herrnstein et al. 1999), in which H2O

masers trace Keplerian rotation in a sub-pc scale, warped disk, and new megamaser sources have been discovered and

studied in recent years (Kuo et al. 2011). H2O megamaser disks are of broader astrophysical importance because they

provide tight constraints on the centrally concentrated masses of galaxies, presumably supermassive black holes (e.g.,

Gao et al. 2017), and, with the measurement of centripetal accelerations, they afford direct, geometrical measurement

of distances to galaxies (e.g., Gao et al. 2016).

NGC 1068 is the archetypal hidden type 2 Seyfert galaxy (Antonucci & Miller 1985) and one of the first AGNs

shown to harbor a circumnuclear H2O megamaser disk (Gallimore et al. 1996b; Greenhill et al. 1996). Two different

sources of H2O megamaser emission were identified in NGC 1068, one associated with the compact radio source “C,”

which appears to mark the interaction between the radio jet and a molecular cloud; and the other with the nuclear

radio source “S1” (Gallimore et al. 1996b, 2001). In the commonly accepted interpretation, the S1 megamasers trace a

nearly edge-on, geometrically thin annular disk surrounding the central engine. This interpretation is partly inspired by

their resemblance to the H2O megamasers of NGC 4258. Primarily, the S1 megamasers show the classic triply-peaked

spectrum expected from an edge-on rotating disk (or annulus) of molecular gas (Watson & Wallin 1994; Gallimore

et al. 1996b, 2001), although the redshifted masers are consistently brighter in monitoring observations (Gallimore

et al. 2001). For the purpose of discussion, we refer to the masers associated with radio component C as jet masers,

and those with component S1 as disk masers.

Corresponding author: Jack F. Gallimore

jgallimo@bucknell.edu

ar
X

iv
:2

30
5.

13
09

7v
1 

 [
as

tr
o-

ph
.G

A
] 

 2
2 

M
ay

 2
02

3

http://orcid.org/0000-0002-6972-2760
http://orcid.org/0000-0002-3443-2472
mailto: jgallimo@bucknell.edu


2 Gallimore & Impellizzeri

Using the Very Long Baseline Array (VLBA) augmented by the phased Very Large Array (VLA), Greenhill &

Gwinn (1997) (GG97) presented the first VLBI observations of the disk masers that cover the full 800–1500 km s−1

velocity range of the maser spectrum. Discussed in further detail in Section 2, the disk maser spots roughly align

along PA −50◦ and span about 1.75 pc.1 Based on a preliminary model for the maser kinematics, GG97 estimated

the systemic recessional velocity2 of the maser disk, VLSR = 1119 km s−1 (optical convention). The redshifted masers

show decreasing recessional velocities with distance from the center of the maser spot distribution in the sky and

outside the inferred inner radius of Rin ≈ 0.6 pc. The fainter, blueshifted masers are more tightly grouped on the sky

and therefore do not sample the velocity gradient as well as the redshifted masers. Recently, Morishima et al. (2022)

presented global VLBI observations made in February 2000. Their results largely confirm those of GG97, although

they claim the detection of faint disk maser spots displaced northeast and southwest of the molecular disk, i.e., along

the outflow axis.

The conventional interpretation for the position-velocity diagram has been that the high-velocity maser spots trace

molecular clumps that are viewed along sight lines nearly tangential to their orbits. In other words, their observed

recessional velocities trace the actual rotational velocities relatively unaffected by projection, so the declining velocities

are a direct measure of the disk rotation curve. With this assumption, Greenhill et al. (1996) reported a sub-Keplerian3

rotation curve, v ∝ r−0.31, where they assumed the major axis lies along position angle −90◦. Lodato & Bertin (2003),

analyzing the data of GG97, find that the rotation curve varies from v ∝ r−0.35 at the inner edge to v ∝ r−0.30 at the

outer edge with the major axis assumed to lie along position angle −45◦. Performing a similar analysis, Morishima

et al. (2022) argue for a flatter rotation curve, v ∝ r−0.24.

Kumar (1999), Huré (2002), and Lodato & Bertin (2003) took the apparent sub-Keplerian rotation curve as evidence

of disk self-gravity. Kumar argued that a standard α-disk analysis requires the disk to have a mass of nearly 108 M�,

greatly exceeding the inferred black hole mass. Huré (2002) inverted the rotation curve to infer the disk mass; in this

analysis, the disk mass is about 75% of the central black hole mass. Lodato & Bertin (2003) presented a model of a

self-gravitating disk that self-regulates against the Jeans instability to explain the sub-Keplerian rotation curve. In

their model, the central black hole mass and the accretion disk mass roughly balance with Mbh ≈Mdisk ≈ 8×106 M�.

Unlike the rotation curve model for the disk masers, recent ALMA observations of HCN kinematics (J = 3 → 2)

show a tangential velocity curve that is consistent with Keplerian (counter) rotation on the radial scales 1.4 to 7 pc from

the kinematic center, just outside the maser disk (Impellizzeri et al. 2019). Further to the point, the HCN tangential

velocity curve is not consistent with the proposed flatter rotation curve of the H2O maser disk; the extrapolated

rotation speeds exceed the HCN tangential velocities by up to 60%. To reconcile the difference, it seems that one or

the other, the redshifted H2O masers or the HCN tangential velocity curve, does not directly reflect the rotation curve.

We have observed the H2O megamasers of NGC 1068 using the High Sensitivity Array, a combination of the Very

Long Baseline Array (VLBA), the phased Karl G. Jansky Very Large Array (VLA), and the Robert C. Byrd Green

Bank Telescope (GBT). Our main goal was to try to recover fainter disk maser spots in hopes of better constraining the

subparsec rotation curve, but we were also able to determine absolute astrometry of the H2O maser spots and recover

low-surface-brightness radio continuum emission. We also detected jet masers associated with the radio continuum

component C. Section 2 describes the observations and astrometric analysis. Section 3 presents the primary results,

including recovery of the 22 GHz continuum and the distribution and kinematics of the H2O maser spots. We consider

three different kinematic models to explain the peculiarities of the position-velocity diagram; the details are provided in

Section 4. The radically improved astrometry of the maser spot positions relative to the nuclear radio continuum source

affects the interpretation of infrared observations of the nuclear obscuring region; the implications of the improved

astrometry are discussed in Sec. 5. In Section 6, we consider how magnetic fields may affect the kinematics and

structures of the H2O maser disk. The kinematics of the jet masers is discussed in Section 7. The primary conclusions

are summarized in Section 8.

2. OBSERVATIONS, CALIBRATION, AND DATA REDUCTION

We observed NGC 1068 with the HSA on 8–9 February 2020 (BG262D) and again on 21–22 March 2020 (BG262J).

Each observation, including the calibrators and overhead, spanned 6 hours. For both observations, the receivers were

1 The distance to NGC 1068 is 13.97 ± 2.1 Mpc (Anand et al. 2021). For convenience and consistency with previous papers, we adopt the
scale 1′′= 70 pc, appropriate for a distance of 14.4 Mpc.

2 To avoid confusion between the disk-frame and sky-frame velocities, we denote motion relative to the observer as recessional velocity, and
radial velocities refer to radial motions in the disk-frame.

3 Here, sub-Keplerian means having rotation curves falling more slowly than r−0.5, which translates to rotational velocities greater than the
expected Keplerian velocity with increasing radius. In other words, sub-Keplerian means a rotation curve that is flatter than Keplerian.
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tuned to the H2O maser transition, ν0 = 22235.080 MHz, and adjusted to VR = 1150 km s−1 recessional velocity

(LSRK, optical convention). The HSA maintains fixed frequencies in the topocentric frame during the course of the

observation, so the receivers were tuned to this recessional velocity at the midpoint of the observation. For reference,

the systemic velocity of the host galaxy is vsys(host) = 1132±5 km s−1 (Paturel et al. 2003), and the systemic velocity

of the molecular disk of the pc scale surrounding the maser ring is vsys(host) ' 1133±3 km s−1 (Impellizzeri et al. 2019).

We used a single IF band with bandwidth ∆ν = 64 MHz, corresponding to a radial velocity range ∆VR ≈ 870 km s−1.

The channel widths are determined at the time of correlation. For BG262D, the IF was divided into 1024 channels

(0.85 km s−1 channels), and for BG262J, 2048 channels (0.42 km s−1 channels).

Unfortunately, a software error affected the BG262D observations. Roughly one-third of the observing time with the

phased VLA was lost, and only one polarization of the remaining observations was recovered. We also found that the

data that included the Hancock antenna were not usable. As a result, we focus our analysis on the results of BG262J,

although we also processed the BG262D data and used them to check astrometric uncertainties.

The observations consisted of scans of fringe calibrators (3C454.3 and 3C84, which are also used as bandpass

calibrators), and alternating scans of NGC 1068 and the phase reference calibrator J0239−02, located 2.◦7 away.

The cadence was typically 9 minutes at the source and 3 minutes at the phase reference. However, this cadence was

periodically interrupted to allow calibration of the GBT (roughly once per hour), phasing of the VLA (up to four times

per hour), and pointing calibration of the VLA (twice per hour). While the VLA or GBT performed calibrations,

the remaining antennas continued to observe the source and phase reference. Phased VLA observations were also

interrupted for a 5 minute scan of 3C48 to establish the flux scale.

Data reduction and calibration followed standard procedures in AIPS (Wells 1985; Greisen 1990, 2003). First, the

data were corrected for terrestrial effects, including ionospheric Faraday rotation, dispersive delay, and updated Earth

Orientation Parameters. The data were then corrected for digital sampling artifacts, and a bandpass calibration was

generated based on the observations of 3C454.3 and 3C84. After these frequency-dependent calibrations were applied,

the observations were shifted in frequency to the LSRK reference frame. Next, we performed fringe fitting on J0239−02

to determine the initial calibration of the phase rates and delays. After this calibration, the masers were apparent on

the cross-power spectrum (a spectrum derived from a time average of visibilities), and the brightest masers were found

at recessional velocities between VR = 1409.5 km s−1 and 1415.4 km s−1. We determined a phase-only self-calibration

based on the brightest maser spots identified in these channels and applied the correction back to the phase reference,

J0239−02.

2.1. Astrometric Calibration

The data were phase-referenced to the brightest maser spots, and, prior to this work, the absolute astrometry of

these spots was accurate to about 5 mas (Gallimore et al. 2001). This phase calibration introduces an offset to the

position of the phase reference relative to the coordinates of the pointing center. The inverse of this offset corrects the

positions of the maser spots with respect to the astrometric frame. To this end, we made images of the phase reference

source and measured the sky offset from the pointing center. The images of J0239−02 are presented in Figure 1.

For reference, the astrometric precision of J0239−02 is reported as 0.03 mas in the VLBA Calibrator Catalog. In

the BG262J observations, J0239−02 was offset by ∆(RA) = +7.03 mas, ∆(Dec) = −7.57 mas. We repeated the

measurement for the BG262D observations, and we measured sky offsets ∆(RA) = +6.73 mas, ∆(Dec) = −7.88 mas.

Due to data loss that affected the BG262D observations, we adopted the corrections derived from the BG262J

observations but used the BG262D offsets to estimate the systematic uncertainties of the phase calibration transfer

between the source and phase reference. The estimated systematic uncertainties of this new absolute astrometric

calibration are 0.4 mas in RA and 0.3 mas in Dec. For astrometric experiments, the characteristic uncertainty

is ∼ 0.05 mas, but poor weather and data loss can degrade the uncertainty to ∼ 0.2 mas (Pradel et al. 2006).

Furthermore, phase referencing was not a primary goal of the BG262 observations, and the observing cadence was

not designed for the highest possible astrometric accuracy. Nevertheless, the astrometric uncertainties are an order

of magnitude improvement compared to previous work. The uncertainties are small compared to the distribution of

masers, approximately 30 mas in extent, and the size of the continuum source, roughly 10 mas. The centroid position

of the 22 GHz continuum source (Section 3.1) agrees to within 0.4 mas of the 5 GHz VLBA continuum position,

comparable to the statistical uncertainty of the centroid position (Gallimore et al. 2004). For purposes of comparing

the continuum morphology and maser spot distribution, the new, 22 GHz continuum image was produced using the

http://www.vlba.nrao.edu/astro/calib/
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same data cube as the maser spot measurements, and signal-to-noise ratio primarily limits the relative astrometric

measurements between the continuum and maser spots rather than systematic calibration effects.

For consistency with previous publications, the absolute positions of the NGC 1068 data have been referenced as

offsets relative to the VLBA 5 GHz centroid of radio continuum source S1, RA(J2000) = 02h 42m 40.s70905, Dec(J2000)

= −00◦ 00′ 47.′′945 (Gallimore et al. 2004).
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Figure 1. Naturally-weighted 22 GHz continuum images of the phase reference source, J0239−02. The image derived from
the BG262D observations is shown on the left, and BG262J is shown on the right. The coordinates are offsets relative to the
VLBA Calibrator Catalog position, α(J2000) = 02h 39m 45.s472272, δ(J2000) = −02◦ 34′ 40.◦99146. The displacement from the
nominal position results from initial phase calibration based on the brightest masers of NGC 1068, which we use to calibrate the
absolute astrometry of the maser spots. As depicted in the colorbar, the contours are ±2.3, 10, 45, and 200 mJy beam−1. The
BG262D image is noisier primarily due to a loss of time on the phased VLA and the Hancock antenna. The restoring beams
are shown as filled blue ellipses.

2.2. Maser Spot Measurements

Final processing and imaging were performed using DIFMAP (Shepherd 1997). Additional self-calibration of the

maser data cubes was performed using the bright maser spot at VR = 1414.3 km s−1 as a reference. We produced

naturally weighted images of each spectral channel. The restoring beam is 1.12×0.36 mas, PA −9.◦9. The characteristic

background rms is 1.3 mJy beam−1 in a single channel; masers as faint as about 5 mJy beam−1 could be detected.

Based on the background rms of the channel with the brightest maser emission, the dynamic range is about 60. As a

result, in channels containing the brightest masers, the limiting point source sensitivity is about 20 mJy beam−1.

We identified the channels that show clear evidence of compact maser emission within a region 82× 82 mas centered

on the position of the continuum source S1. Similarly, we searched for maser spots in the region of the continuum

source C, located roughly 60 mas east and 290 mas north of S1. The position and brightness of each detected maser

spot was determined by a two-dimensional Gaussian fit to the visibility data (DIFMAP task modelfit). To illustrate,

Figure 2 shows the “dirty” and restored channel maps of three disk maser sources. In some channels, two or more

maser spots were present, and so multiple Gaussians were included in the model. We specifically avoided adding model

components to regions roughly 20 mas north or south of a bright maser spot to avoid sidelobe artifacts. The best-fit

photocenters were then shifted to the absolute coordinate frame. The results are provided in Tables 1 and 2.

The sky map of the disk maser spots is shown in Figure 3, and the jet maser spots are shown in Figure 4. The disk

maser spots follow the pattern found in GG97, with the redshifted masers located northwest of the systemic masers

and the blueshifted masers to the southeast. Our astrometric data confirm the results of Gallimore et al. (2001): the

S1 masers extend across the resolved radio continuum source, and the near-systemic masers pass within 1 mas of the

radio continuum centroid. Even though the new HSA observations are about 2.5 times more sensitive, we do not find

evidence for disk masers along the jet / outflow axis as reported by Morishima et al. (2022). However, those reported

outflow masers would appear at positions adversely affected by sidelobe residuals (cf. Figure 2) and so were avoided

in our analysis.
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Table 1. Disk Maser Spot Positions and Velocities

Channel V (LSRK) Flux Density East Offset North Offset Group

(km s−1) (mJy) (mas) (mas)

479 1381.63 22.8± 1.8 −8.853± 0.015 13.379± 0.064 R1

480 1381.20 29.6± 2.1 −8.906± 0.011 13.560± 0.042 R1

481 1380.78 22.8± 1.8 −8.873± 0.015 13.323± 0.068 R1

482 1380.36 13.5± 1.6 −8.871± 0.030 13.537± 0.130 R1

483 1379.93 7.8± 1.0 −8.900± 0.021 13.629± 0.060 R1

437 1399.46 21.5± 2.3 −9.193± 0.019 10.523± 0.052 R2a

Note—Table 1 is published in its entirety in machine-readable format. A formatted
sample of the data is provided here. The offset positions are relative to the VLBA
5 GHz continuum position of S1, RA(J2000) = 02h 42m 40.s70905, Dec(J2000) =
−00◦ 00′ 47.′′945.

Table 2. Jet Maser Spot Positions and Velocities

Channel V (LSRK) Flux Density East Offset North Offset

(km s−1) (mJy) (mas) (mas)

1321 1024.44 7.2± 0.8 65.86± 0.02 280.99± 0.08

1325 1022.74 5.9± 0.8 65.88± 0.03 281.20± 0.10

1327 1021.90 6.8± 0.7 65.86± 0.03 281.03± 0.09

1328 1021.47 5.8± 0.7 55.82± 0.03 281.00± 0.10

1329 1021.05 5.6± 0.7 65.81± 0.03 281.20± 0.10

1330 1020.62 6.7± 0.8 65.84± 0.03 281.11± 0.09

Note—Table 2 is published in its entirety in machine-readable format.
A formatted sample of the data is provided here. The offset positions
are relative to the VLBA 5 GHz continuum position of S1, RA(J2000)
= 02h 42m 40.s70905, Dec(J2000) = −00◦ 00′ 47.′′945.

The disk maser spots form distinct groups in space and radial velocity. For the purposes of discussion, we identified

nine groups, R1–4 (redshifted maser groups), G1 (near systemic) and B1-4 (blueshifted); the group labels appear as

annotations in Figure 3. Groups B1 and B4 were not detected in GG97. The masers with the highest recessional

velocities are found in group R4, and the lowest velocity masers are located in groups B2 and B3. There is a nearly

continuous distribution of spots between the velocity extremes of R4 and G1; we distinguish these groups only by a

small gap in the sky distribution and recessional velocities.

The jet masers are divided into four distinct spot groups oriented roughly east-west and spanning ∼ 10 mas; see

Fig. 4. We label the spot groups C1 (west) through C4 (east). Interestingly, the jet masers appear to be significantly

offset south of the local continuum peak. More specifically, the C2 maser group is located about 5.4 mas south of

component C. In contrast to the nuclear groups, the jet maser groups show no significant filamentary substructure on

the sky. Furthermore, the east-west distribution of the groups is very different from the pattern reported by Morishima

et al. (2022); in their analysis, the jet masers are distributed in a ring with diameter ∼ 20 mas.

3. RESULTS AND ANALYSIS

3.1. 22 GHz Continuum

The surface brightness of the 22 GHz continuum emission is too low to detect on spectral line channels. However,

weak continuum emission appears on short baselines after averaging line-free channels. To produce a continuum
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Figure 2. Naturally-weighted channel maps of the disk masers. Each row is a separate channel; the recessional velocities of
each channel are labeled in the left panel. The first column is the “dirty” map created by Fourier inversion, and the second
column is the restored image produced by fitting Gaussian source models. The image stretch in mJy beam−1 is shown as a
colorbar inset in each figure. For the dirty maps, the stretch covers the entire range of flux densities in the map; for the restored
images, the stretch is truncated at ±8 mJy beam−1, or roughly ±5σ, to illustrate residual sidelobe artifacts in the restored
image.
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Figure 3. Sky map of the nuclear H2O maser spots. The locations of the spots are plotted as color-filled circles. The size of
the symbols scales with the flux density of the maser spot, and the symbols are color-coded by recessional velocity as shown in
the colorbar. The spots are plotted atop the 5 GHz continuum contours from Gallimore et al. (2004). The contour levels are
±0.11, 0.16, 0.24, 0.35, 0.51, 0.75 mJy beam−1. The 5 GHz beam is shown as the blue ellipse on the lower right; the 22 GHz
beam is the white ellipse. The sky coordinates are offsets relative to the VLBA 5 GHz continuum position of S1, RA(J2000) =
02h 42m 40.s70905, Dec(J2000) = −00◦ 00′ 47.′′945.

image, we averaged the line-free channels (16.3 MHz total bandwidth) and applied a Gaussian taper with 50% weight

at 30 Mλ during Fourier inversion. The data were naturally weighted during inversion, and the resulting image was

deconvolved using the clean task in DIFMAP. The resulting image, first published in Gámez Rosas et al. (2022), is

shown in Figure 5. The restoring beam is 4.3 × 3.3 mas, PA −21.◦8, and rms image noise is 0.16 mJy beam−1. The

flux density of the recovered continuum is Sν = 13.8 ± 0.3 mJy. The centroid position of the resolved continuum is

RA(J2000) = 02h 42m 40.s70901, Dec(J2000) = −00◦ 00′ 47.′′9448. This 22 GHz position agrees well with the VLBA

position of S1 measured at 5 and 8 GHz (Gallimore et al. 2004).

3.2. Substructures and Filaments within the S1 Maser Spot Distribution

GG97 reported the appearance of arcuate and linear substructures among the distribution of maser spots in the

sky. As evident in Figure 3, we also find linear and arcuate groupings of maser spots on the sky. Shown in Fig. 6, the

R4 group, in particular, breaks down into nearly parallel filaments. We identified and labeled 34 such subgroups by

means of a clustering algorithm. The details of the analysis and magnified plots of the other subgroups are provided

in Appendix A. For the purposes of discussion, we labeled each subgroup by its parent group name and a lower-case

suffix increasing alphabetically to the east (e.g., R2a, R2b, R3a, R3b, etc.).

Many subgroups, particularly those belonging to group R4, orient nearly north-south, roughly 50◦ in PA from the

overall distribution of maser spots on the sky. On the one hand, the nuclear jet and molecular outflow axes also

point roughly north-south on the sky (Gallimore et al. 1996a, 2016), so the H2O maser filaments may be tracing gas
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Figure 4. Sky map of the jet H2O maser spots. The locations of the spots are plotted as color-filled circles. The size of the
symbols scales with the flux density of the maser spot, and the symbols are color-coded by recessional velocity as shown in
the colorbar. The spots are plotted atop the 5 GHz continuum contours from Gallimore et al. (2004). The contour levels are
±0.11, 0.16, 0.24, 0.35, 0.51, 0.75, 1.10, and 1.50 mJy beam−1. The 5 GHz beam is shown as the blue ellipse on the lower right;
the 22 GHz beam is the white ellipse. The sky coordinates are offsets relative to the VLBA 5 GHz continuum position of S1,
RA(J2000) = 02h 42m 40.s70905, Dec(J2000) = −00◦ 00′ 47.′′945.

participating in the molecular outflow. However, the synthetic beam also orients roughly north-south. The concern

then is whether the apparent filaments are artifacts resulting from channel-to-channel measurement uncertainties or

calibration errors. Put another way, perhaps the substructures belong to spatially unresolved clumps, but random

measurement errors or calibration (or other systematic) errors introduce an apparent scatter of maser spots comparable

to the size and orientation of the beam. However, such errors should not introduce significant velocity gradients within

the subgroups.

In Fig. 7, we plot the orientation and velocity gradients of the subgroups. There are nine (9) subgroups of 34 that

have (1) major axis position angles within 3σ of the synthetic beam position angle and (2) velocity gradients within

3σ of zero: R2a, R4h, R4i, R4j, R4k, G1b, G1e, B1a, and B1b. Furthermore, the scatter of maser spots within these

subgroups is comparable to or smaller than the size of the beam. We conclude that these subgroups, in particular,

are likely unresolved. The other 25 subgroups are significantly rotated from the major axis of the beam or have

significant and varying velocity gradients. Additionally, there is no consistent pattern in the velocity gradients that

might otherwise hint at calibration errors. Any systematic errors should equally have affected the jet masers, for which

we find no north-south (or any) filamentary structure. We conclude that most of the subgroups among the disk masers

trace real substructures within the overall distribution of maser spots on the sky.
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Figure 5. Tapered 22 GHz continuum image of the nuclear radio source S1, recovered from line-free channels. As depicted in
the scale bar on the right, the contours are ±0.3, 0.6, 1.2, 2.4, and 2.85 mJy beam−1. The maser spots are plotted as colored
dots. The sky coordinates are offsets relative to the VLBA 5 GHz continuum position of S1, RA(J2000) = 02h 42m 40.s70905,
Dec(J2000) = −00◦ 00′ 47.′′945. The restoring beam for the continuum image is shown as the filled blue ellipse in the lower
right.

3.3. The Position-Velocity Diagram of the Disk Masers

The position-velocity (p–v) diagram is shown in Figure 8. To estimate the position angle of the major axis, we fit

a line to the spot positions of the maser groups R4 and G1; the best-fit PA is −50◦ ± 1◦. The p–v diagram broadly

agrees with that of GG97. Groups R1–3 show falling velocities as expected for masers tracing the receding side of

a rotating disk. This pattern is not matched on the blueshifted side; groups B2, B3, and B4 show a more complex

arrangement in positions and velocity.

Maser disks commonly show a linear region between the maximum velocities on the p–v diagram (e.g., Moran et al.

1995; Herrnstein et al. 1999; Lo 2005; Kuo et al. 2011; Gao et al. 2016, 2017). The linear region traces the inner radius

of the maser region of the molecular disk (e.g., Watson & Wallin 1994). Specifically, if the rotational velocity, vrot,

depends only on the radius of the disk r, then the observed recessional velocities follow VR = vsys + vrot(x/r) sin i,

where vsys is the systemic velocity, x is the displacement on the sky along the disk midline (the offset along the

projected major axis of the spot distribution), and i is the inclination of the disk. For a ring of constant radius r, the

p–v diagram is linear.

The disk masers of NGC 1068, however, show a curved pattern of spots between the maximum observed velocities

on the diagram p–v, that is, between groups R4 and B4. To illustrate, we fit a line to the p–v coordinates of the

spots in groups G1 and B1 and extrapolated the fit to cover the range of observed maser velocities. From inspection

of Figure 8, the R4 group curves away from the best-fit line, displacing to higher recessional velocities with distance
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Figure 6. A close-up of the R4 maser group. Subgroups are denoted by lower-case suffixes and are color-coded as shown in
the legend. Left panel: the sky distribution of maser spots. The gray-colored ellipse represents the synthetic beam. Right panel:
the declination-velocity diagram of the maser spots. The subgroups form a pattern of nearly north-south, linear features that
show velocity gradients ranging from about −8 to +20 km s−1 mas−1 along the linear axis.

from the G1 masers. The masers of groups B2–4 also tend to higher recessional velocities than the extrapolated trend

line. This apparent curvature between the R4 and B4 masers in the p–v diagram indicates that the orbital geometry

is not a simple, rotating ring as expected for the inner radius of the H2O maser region.

4. KINEMATIC MODELS FOR THE DISK MASERS

In this section, we consider three kinematic models to explain the apparent curvature between the velocity extremes

on the p–v diagram (i.e., between the R4 and B4 maser groups). In the first model, the expanding ring model, radial

motions (infall or outflow) contribute to the observed recessional velocities for spot groups R4–B4. The second model

assumes that the R4–B4 masers follow a common elliptical orbit. In the third model, we explore the possibility that the

masers arise from spiral arms in the molecular accretion disk. In all three models, we assume that the brightest maser

spots originate from molecular gas on the near side of the disk midline and the continuum source. The main argument

is that the continuum source provides seed radiation that is amplified by the H2O masers. Furthermore, attenuation

through ionized gas inside the molecular disk may suppress maser emission from the far side (e.g., Watson & Wallin

1994). We describe in turn the model fitting and selection techniques (Section 4.1), particular details of each model

(Sections 4.2–4.4), and we provide a discussion comparing the merits of the three kinematic models (Section 4.5).

4.1. Model Fitting Techniques

We used the Markov Chain Monte Carlo (MCMC) code PyDREAM (Shockley et al. 2017) to fit kinematic models

to the maser spot data. A more complete explanation of the MCMC technique is provided in Appendix B. Briefly,

the algorithm generates random walks through the parameter space. For a trial set of parameters, a discretized model

orbit was calculated in the disk frame and then projected onto the sky based on the model inclination (i), position

angle (Ω), and kinematic center (X0, Y0). Maser spots were then matched to the nearest point on the projected model

orbit, and the posterior probability of the fit was calculated. To account for systematic uncertainty, we included the

(fitted) error floors δX, δY , and δV , which are added in quadrature to the measurement uncertainties (cf. Humphreys

et al. 2013). At each step, a set of parameters is accepted or rejected according to the Metropolis criterion (Metropolis

et al. 1953). The integrated autocorrelation time (IAT) was used to evaluate convergence (Foreman-Mackey et al.

2013).
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Figure 7. Properties of the maser subgroups plotted vs. the major axis offset. The principal groups are color-coded as shown
in the legend. The upper plot shows the position angle of each subgroup compared to the synthetic beam position angle, which
is indicated by the red dashed line. The lower plot shows the mean velocity gradient along the major axis of each subgroup.
The red dashed line traces zero velocity gradient.

We used a mixture model to accommodate kinematic outliers. Using the formalism of mixture models, the kinematic

model is the foreground, and outliers belong to the background model. The posterior probability includes a sum of

probabilities: effectively, the probability that a given maser spot belongs to the foreground and the probability that the

maser spot belongs to the background. The background is modeled as a Gaussian distribution in sky coordinates and

recessional velocity. Therefore, the background model introduces seven additional parameters: Pfg, the probability

that a maser spot belongs to the foreground (the kinematic model under consideration); the background centroids

Xbg, Ybg, and Zbg; and the standard deviations of the background (δXbg, δYbg, δVbg).

We used the marginal likelihood, sometimes called the evidence, for model selection. The marginal likelihood is the

probability of observing the data given the model, and so models with a greater (log) marginal likelihood are favored as

better representing the data. We used two estimators of the marginal likelihood, the widely applicable Bayes informa-

tion criterion (WBIC) (Friel et al. 2017) and the thermodynamic integration estimator (TIE) (Gelman & Meng 1998;

Neal 2000). The comparison of two models is summarized by the Bayes factor (BF), which is the ratio of the probabil-

ity of obtaining the data under two different models: log BF1,2 = log [evidence(model 1)]− log [evidence(model 2)] (see
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Figure 8. Position-velocity diagram of the nuclear H2O masers. Position offsets are taken along PA −50◦. The data have
been colored and annotated based on the maser group label. The dashed line shows a linear fit to the G1 and B1 maser groups,
extrapolated to span the observed maser velocities. The fit is not intended as a physical model but rather is intended to highlight
the curvature of the distribution of maser spots in the position-velocity plane.

Kass & Raftery 1995, for a review). The estimates of the marginal likelihoods and the corresponding Bayes factors for

the expanding ring, elliptical orbit, and spiral arm models are provided in Table 3.

4.2. Expanding Ring Model

In this model, we assume that the R4–B4 maser spots occupy a narrow annulus of radius r0 and the R1–R3 maser

spots fall along the disk midline. The kinematics are defined by constant radial velocity vr (representing infall or

outflow) and constant azimuthal (i.e. rotational) velocity v0. To summarize, for a single circular orbit with uniform

radial motion, there are eleven (11) parameters in the foreground model: X0, Y0, vsys, r0, vr, v0, i, Ω, and error floors

δX, δY , and δV . The results of the expanding ring model are provided in Table 4 and illustrated in Figure 9.

4.3. Elliptical Orbit Model

As in the expanding-ring model, the elliptical orbit model is a single orbit model applied to maser groups R4 –

B4. In addition to the sky projection angles i and Ω, elliptical orbits require an additional angle, ω, the argument of

periapsis, which is the azimuthal angle between midline and the periapsis (cf. Humphreys et al. 2013). The shape of

the orbit is determined by the semimajor axis a, and the eccentricity e. In cylindrical coordinates (r, φ), the shape of
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Table 3. Model Selection Statistics

Model WBICa log (BF)b TIEc log (BF)b

Expanding Ring −4887.3± 0.4 −1283± 1 −4635± 1 −1109± 1

Elliptical Orbit −4484 ± 3 −880± 3 −4473± 2 −947± 2

Spiral Arms −3604 ± 1 · · · −3526± 1 · · ·
aThe widely applicable Bayes information criterion. Larger (more positive) val-

ues indicate that the model is more likely to produce the observed data.

bAn estimate of the Bayes factor (BF): here, the ratio of the probability of
obtaining the data for the given model to the same probability for the spiral
arms model.
cThe marginal likelihood estimated by thermodynamic integration. Again, larger

(more positive) values indicate the preferred model.

Table 4. Expanding Ring Model

Parameter Priora Value Units N/IAT

Foreground Model

Foreground Prob., Pfg U(0, 1) 0.954± 0.007 · · · 5600

Kinematic center, X0 U(−10, 10) 2.56 ± 0.01 mas 5180

Kinematic center, Y0 U(−10, 10) −1.05 ± 0.03 mas 4829

Systemic velocity, vsys N (1132, 5) 1140.8 ± 0.5 km s−1 5117

Ring radius, r0 U(5, 25) 9.87 ± 0.02 mas 4898

Ring rotation speed, v0 U(300, 500) 314.9 ± 0.5 km s−1 5626

Outflow speed, vr U(−100, 100) 72 ± 1 km s−1 4464

Inclination, i U(90, 110) 79.9 ± 0.2 degrees 4584

Position Angle, Ω U(270, 360) 309.6 ± 0.1 degrees 5125

Systematic error, δX U(0, 4) 0.217± 0.006 mas 5383

Systematic error, δY U(0, 4) 0.57 ± 0.02 mas 5681

Systematic error, δV U(0, 20) 4.3 ± 0.1 km s−1 5954

Background Model

Center, Xbg U(−20, 20) 6.1 ± 0.8 mas 6039

Center, Ybg U(−20, 20) −1.3 ± 0.8 mas 5281

Center, Vbg N (1132, 400) 960 ± 20 km s−1 5916

Width, δXbg H(0, 20) 6.1 ± 0.8 mas 6039

Width, δYbg H(0, 20) −1.3 ± 0.8 mas 5883

Width, δVbg H(0, 100) 150 ± 20 km s−1 5426

Derived Parametersb

Ring radius · · · 0.670± 0.001 pc · · ·
Central Mass · · · 15.45 ± 0.06 106 M� · · ·
Orbital Period at r = r0 · · · 13.07 ± 0.03 kyr · · ·
aU(xl, xh) is a uniform distribution with lower bound xl and upper bound xh. N (µ, σ)

is a normal distribution with mean µ and standard deviation σ. H(µ, σ) is a half-
normal distribution with lower limit µ.

bAssumes 1′′ = 70 pc.
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Figure 9. A representative fit of the expanding ring model, in sky coordinates, for the maser disk of NGC 1068. In both
panels, the maser spot positions and velocities are shown as shaded circles. The circle diameters are scaled to the flux of the
maser spots. The shading depends on the foreground probability for individual spots: lighter shades indicate maser spots that
are likely part of the model orbit (the foreground model), and darker shades indicate outliers. Left panel: sky plot of best-fit
circular orbit, traced by the red lines; the near side of the midline is plotted as a solid line, and the far side as a dashed line.
The kinematic center is shown as a cyan circle. The blue dotted line traces the disk midline. Right panel: the position-velocity
diagram. The blue dotted lines trace the Keplerian circular speed curve.

the orbit is given by

r =
a(1− e2)

1 + e cos(φ− ω)
. (1)

In the disk rest frame, the radial and azimuthal components of the orbital velocity, vr and vφ, are

vr = va
e sin(φ− ω)√

1− e2
, and

vφ= va
1 + e cos(φ− ω)√

1− e2
,

where va is the Keplerian circular speed at radius a. The foreground model requires twelve (12) parameters: X0, Y0,

vsys, a, e, va, ω, i, Ω, δX, δY , δV . The results of the fit are provided in Table 5 and Fig. 10.

4.4. Spiral Arms

In the spiral arms model, the H2O masers trace molecular gas at a smoothly changing distance from the dynamical

center, which introduces the curve on the p–v diagram between the maser groups R4 and B4. We adopted a logarithmic

spiral model for the distribution of maser spots,

r = r0 exp (φ tan θP ) , (2)

where r0 is a length scale parameter and θP is the pitch angle of the arms. We further assume that there are two

symmetric arms, a main arm intended to fit the R4–G1 masers and a symmetric opposite arm rotated by ∆φ = 180◦

in the disk plane.

To simplify the model, we assume that Keplerian rotation dominates the kinematics, but we also allow for uniform

streaming motion locally parallel to the arms. The inclusion of streaming along the arm introduces an additional



Water Megamasers of NGC 1068 15

Table 5. Elliptical Orbit Model

Parameter Priora Value Units N/IAT

Foreground Model

Foreground Prob., Pfg U(0, 1) 0.984± 0.006 · · · 4865

Kinematic center, X0 U(−10, 10) 0.49 ± 0.04 mas 3973

Kinematic center, Y0 U(−10, 10) 0.74 ± 0.03 mas 4021

Systemic velocity, vsys N (1132, 5) 1070 ± 1 km s−1 4043

Semimajor axis, a U(5, 25) 10.95 ± 0.05 mas 3919

Circular speed at a, va U(300, 500) 330.3 ± 0.9 km s−1 4060

Eccentricity, e U(0, 1) 0.258± 0.004 . . . 4235

Argument of periapsis, ω U(0, 360) 0.07 ± 0.08 degrees 2599

Inclination, i U(90, 110) 80.7 ± 0.1 degrees 4193

Position Angle, Ω U(270, 360) 309.5 ± 0.1 degrees 3967

Systematic error, δX U(0, 4) 0.228± 0.005 mas 4204

Systematic error, δY U(0, 4) 0.58 ± 0.01 mas 3915

Systematic error, δV U(0, 20) 4.7 ± 0.1 km s−1 4449

Background Model

Center, Xbg U(−20, 20) −9.19 ± 0.09 mas 4129

Center, Ybg U(−20, 20) 11.5 ± 0.4 mas 4171

Center, Vbg N (1132, 400) 1388 ± 2 km s−1 4487

Width, δXbg H(0, 20) 0.36 ± 0.07 mas 3733

Width, δYbg H(0, 20) 1.5 ± 0.3 mas 3221

Width, δVbg H(0, 100) 8 ± 2 km s−1 3694

Derived Parametersb

Semimajor axis · · · 0.744± 0.004 pc · · ·
Central Mass · · · 18.9 ± 0.2 106 M� · · ·
Orbital Period · · · 13.83 ± 0.04 kyr · · ·
aU(xl, xh) is a uniform distribution with lower bound xl and upper bound xh.
N (µ, σ) is a normal distribution with mean µ and standard deviation σ. H(µ, σ) is
a half-normal distribution with lower limit µ.

bAssumes 1′′ = 70 pc.

parameter, the streaming speed vS . Radial and azimuthal velocities in the disk frame are given by

vr = vS sin θP , and

vφ = v0

√
r0
r

+ vS cos θP ,
(3)

where v0 is the Keplerian rotation speed at r = r0.

In summary, the spiral arm model requires twelve (12) parameters: x0, y0, r0, vsys, v0, vS , θP , i, Ω, δX, δY , δV .

The results are summarized in Tables 6 and plotted in Figure 11.

4.5. Kinematic Model Selection

Overall, the spiral arms model better fits the data compared to the expanding ring and elliptical orbit model.

Formally, the spiral arms model has the highest marginal likelihood by a factor of ∼ exp(1000) relative to the other

models (Table 3). However, this result should be viewed critically because, from inspection of Figs. 9 and 10, the disk

midline model for groups R1–R3 is partly responsible for the poorer fits. To that point, the R1 masers are identified
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Figure 10. A representative fit of the elliptical orbit model, in sky coordinates, for the maser disk of NGC 1068. The plotting
conventions are as in Fig. 9.
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Figure 11. A representative fit of the spiral arms model, in sky coordinates, for the maser disk of NGC 1068. In both panels,
the main arm is traced by a red line, and the opposite arm is traced by a cyan line. Otherwise, the plotting conventions are as
in Fig. 9.

as outliers in both the expanding-ring and elliptical orbit models, and the R2 masers are also identified as outliers in

the elliptical orbit model. Even so, both the expanding ring and elliptical orbit models are problematic in other ways.

First, the expanding-ring model also fails to fit the B1 and B4 masers, which are identified as outliers. Second, the
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Table 6. Spiral Arms Model

Parameter Priora Value Units N/IAT

Foreground Model

Foreground Prob., Pfg U(0, 1) 0.990± 0.003 · · · 2699

Kinematic center, X0 U(−10, 10) 1.579± 0.007 mas 2472

Kinematic center, Y0 U(−10, 10) 0.07 ± 0.02 mas 2180

Systemic velocity, vsys N (1132, 5) 1125.8 ± 0.2 km s−1 2174

Scale radius, r0 U(5, 25) 6.70 ± 0.02 mas 2711

Circular speed at r0, v0 U(300, 500) 404 ± 1 km s−1 1688

Streaming speed, vS U(0, 100) 0.4 ± 0.5 km s−1 1439

Pitch angle, θP U(4, 24) 4.89 ± 0.03 degrees 2426

Inclination, i U(90, 110) 75.5 ± 0.1 degrees 1856

Position Angle, Ω U(270, 360) 313.4 ± 0.1 degrees 1975

Systematic error, δX U(0, 4) 0.153± 0.004 mas 2508

Systematic error, δY U(0, 4) 0.74 ± 0.02 mas 2873

Systematic error, δV U(0, 20) 2.60 ± 0.06 km s−1 2699

Background Model

Center, Xbg U(−20, 20) 10.87 ± 0.02 mas 2014

Center, Ybg U(−20, 20) −4.99 ± 0.07 mas 2404

Center, Vbg N (1132, 400) 821 ± 1 km s−1 2276

Width, δXbg H(0, 20) 0.04 ± 0.02 mas 1823

Width, δYbg H(0, 20) 0.19 ± 0.07 mas 2218

Width, δVbg H(0, 100) 4 ± 1 km s−1 1779

Derived Parametersb

Scale radius · · · 0.455± 0.002 pc · · ·
Central Mass · · · 17.2 ± 0.1 106 M� · · ·
Orbital Period at r = r0 · · · 6.92 ± 0.04 kyr · · ·
aU(xl, xh) is a uniform distribution with lower bound xl and upper bound xh.
N (µ, σ) is a normal distribution with mean µ and standard deviation σ. H(µ, σ)
is a half-normal distribution with lower limit µ.

bAssumes 1′′ = 70 pc.

best-fit systemic velocity of the elliptical orbit model is 1070 ± 1 km s−1, roughly 60 km s−1 blueshifted relative to

the systemic velocity of the host galaxy. For comparison, the spiral arm model produces a best-fit systemic velocity

within 2σ of the recessional velocity of the host galaxy and the surrounding molecular disk. Only the B4 maser group

is identified as an outlier in the spiral arms model, although it appears that the R1 masers are also poorly fitted.

Insofar as the spiral arms model provides, formally, the best goodness-of-fit, the best match to the systemic velocity

of the host galaxy, and the best fit to most of the maser spots, we maintain the conclusion that the spiral arms model

provides a better description of the data.

In contrast to previous interpretations of the p–v diagram, we have assumed a Keplerian rotation curve in our

kinematic models. To assess this assumption, we modified the spiral arms model to include a power law rotation

curve: vφ = v0(r/r0)α, where α is a fitted parameter. As earlier interpretations concluded α ∼ −0.3 (Lodato & Bertin

2003), we adopted a generous and uniform prior, α ∼ U(−1, 0). The results are provided in Table 7. For this modified

spiral arm model, WBIC = −3607± 2 and TIE = −3538± 2, indicating a fit goodness comparable to the unmodified

model. The best-fit power-law index is α = −0.51± 0.01, consistent with Keplerian rotation. Based on a comparison

of Tables 6 and 7, the other parameters do not show significant changes.
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Table 7. Modified Spiral Arms Model

Parameter Priora Value Units N/IAT

Foreground Model

Foreground Prob., Pfg U(0, 1) 0.990± 0.003 · · · 2744

Kinematic center, X0 U(−10, 10) 1.581± 0.007 mas 2165

Kinematic center, Y0 U(−10, 10) 0.08 ± 0.03 mas 2172

Systemic velocity, vsys N (1132, 5) 1125.8 ± 0.3 km s−1 1912

Scale radius, r0 U(5, 25) 6.71 ± 0.03 mas 2325

Circular speed at r0, v0 U(300, 500) 406 ± 2 km s−1 2345

Rotation curve power-law index, α U(−1, 0) −0.51 ± 0.01 · · · 2468

Streaming speed, vS U(0, 100) 0.5 ± 0.5 km s−1 1649

Pitch angle, θP U(4, 24) 4.88 ± 0.03 degrees 2289

Inclination, i U(90, 110) 75.5 ± 0.1 degrees 1839

Position Angle, Ω U(270, 360) 313.4 ± 0.1 degrees 1839

Systematic error, δX U(0, 4) 0.153± 0.004 mas 2420

Systematic error, δY U(0, 4) 0.73 ± 0.02 mas 2471

Systematic error, δV U(0, 20) 2.59 ± 0.06 km s−1 2859

Background Model

Center, Xbg U(−20, 20) 10.87 ± 0.02 mas 2224

Center, Ybg U(−20, 20) −5.00 ± 0.07 mas 2188

Center, Vbg N (1132, 400) 821 ± 1 km s−1 2513

Width, δXbg H(0, 20) 0.04 ± 0.02 mas 1738

Width, δYbg H(0, 20) 0.19 ± 0.07 mas 2018

Width, δVbg H(0, 100) 4 ± 1 km s−1 1726

Derived Parametersb

Scale radius · · · 0.456± 0.002 pc · · ·
Central Mass · · · 17.4 ± 0.2 106 M� · · ·
Orbital Period at r = r0 · · · 6.90 ± 0.04 kyr · · ·
aU(xl, xh) is a uniform distribution with lower bound xl and upper bound xh. N (µ, σ) is a nor-

mal distribution with mean µ and standard deviation σ. H(µ, σ) is a half-normal distribution
with lower limit µ.

bAssumes 1′′ = 70 pc.

To assess the fit of the H2O maser rotation curve further, we compare the extrapolated model rotation curves with

the tangential velocity curve of HCN (J = 3 → 2) emission measured by Impellizzeri et al. (2019). The results are

shown in Fig. 12. Note that the molecular gas traced by the HCN emission counterrotates relative to the H2O maser

disk, so the extrapolated rotation curves have been inverted. The HCN tangential velocity curve traces the kinematics

on scales larger than the H2O maser disk, ∼ 20–100 mas (∼ 1.4–7 pc). Therefore, if the mass of the maser disk

is a substantial fraction of the enclosed mass (see, e.g., Lodato & Bertin 2003), the HCN velocities should exceed

the extrapolated rotation curves. On the contrary, the extrapolated rotation curve of the spiral arm model agrees

well with the HCN tangential velocity curve. This result leads to several important conclusions. Most obviously,

the spiral arm model better predicts the HCN tangential velocity curve, further supporting it as a better model

compared to the expanding ring and elliptical orbit models. Second, the close agreement between the HCN tangential

velocity curve and the extrapolated H2O maser rotation curve is likely not coincidental. Rather, it appears that

counterrotation dominates the observed tangential velocities of the outer molecular disk. Third, the rotation curve

of the H2O maser disk of NGC 1068 is almost certainly Keplerian. A flatter rotation curve would extrapolate to

rotation velocities that exceed those observed in the outer molecular disk. Putting these conclusions together, within a
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projected distance of ∼ 100 mas (7 pc) of the kinematic center, the gravitational potential is dominated by a compact

mass of (17.2± 0.1)× 106 M�.
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Figure 12. A comparison of the extrapolated rotation curves of the H2O maser kinematic models H2O and the tangential
velocity curve of HCN (J = 3→ 2) tangential velocity curve from Impellizzeri et al. (2019). Note that the gas traced by HCN
counterrotates relative to the H2O maser disk, and so the rotation curves have been inverted.

4.6. An Examination of the Keplerian Rotation Curve

An important question follows: why do the kinematic models favor Keplerian rotation while the p–v diagram suggests

sub-Keplerian rotation? It should be emphasized that the p–v diagram analysis uses projections of the redshifted maser

spot coordinates, only about 12% of the data, to estimate the rotation curve, but our kinematic models use all the

maser spots. Unlike spots confined to a single radius, maser spots within spiral arms sample a range of radii and help

constrain the rotation curve. More specifically, the redshifted masers sample r between approximately 9 and 15 mas

(0.6 to 1 pc), and the spiral arms sampled by groups R4, B2 and B3 redundantly sample the range 9 to 12 mas (0.6 to

0.8 pc). Streaming motions associated with spiral arms might affect the p–v diagram analysis; however, we find that

the streaming motions are negligible compared to the rotation speeds, vS = 0.4 ± 0.5 km s−1 (Table 6). Rather, the

answer lies in the assumption made in the interpretation of the p–v diagram, namely, that the maser groups R1–3 and

the highest velocity masers of R4 lie along the disk midline. Certainly, that is a reasonable assumption as enhanced

maser self-amplification is expected along the midline of an edge-on disk (Watson & Wallin 1994). However, the plane

of the maser disk is not viewed edge-on, but is tilted by nearly 15◦ from the line-of-sight (i = 105◦; Table 6), which

reduces the path length of the line of sight through the molecular disk. It seems more likely then that the masers also

sample local density enhancements within the disk rather as well as favorable coherent path lengths through the disk.

Fig. 13 shows the spiral arm model in the disk frame. We caution that the G1 masers suffer deprojection artifacts

because, along the sight line to the kinematic center, the recessional velocity is insensitive to the rotation curve, and the
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Figure 13. The spiral arm model in the frame of the maser disk. The line of sight is towards positive y. Note that the G1
masers appear to sample arms at a range of distances, but this result is likely an artifact of projection of the near-side maser
spots onto the flat disk model.

deprojection of the nearly edge-on disk produces degenerate solutions in disk radius. Putting aside the deprojection of

the G1 maser spots, two results stand out. First, the model favors displacing the highest-velocity masers (within the

R4 masers) closer to the observer than the disk midline, the R3 masers just crossing the midline, and the R2 masers

roughly symmetrically distributed across the midline. As a result, the recessional velocities sampled by the R3 and

R4 masers tend to fall just below the circular speed rotation curve. The displacement especially of the high-velocity

R4 masers away from the midline creates the illusion of a flatter rotation curve on the p–v diagram.

The second result is that the spiral arm model places most of the maser spots in opposite quadrants of the disk, with

the blueshifted masers behind the disk midline (farther away from the observer) and the near-systemic and redshifted

masers before the midline (closer to the observer). This pattern resembles ionization cones seen in the NLRs of Seyfert

galaxies, which result from selective obscuration (e.g., Wilson & Tsvetanov 1994). In the case of the maser disk, it

seems more likely that the asymmetry results from a warped disk or outflows that might elevate molecular clouds out

of the disk plane and expose them to the central engine. Alternatively, the central engine could produce an intrinsically

anisotropic, polar radiation field (cf. Netzer 2015), and the masers occur in regions that view the central accretion disk

more nearly pole-on.
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Figure 14. The edge-on view of the deprojected spiral arm model. The disk-vertical (z) coordinates were estimated assuming
that the minor axis residuals of the model fit result solely from the vertical structure. The disk-frame x axis coordinate is in
the plane of the disk and aligns with the projected major axis on the sky.

To look for evidence of a warped disk, we deprojected the disk assuming that minor-axis residuals on the sky result

only from the vertical structure of the disk. In this case, the disk frame z-coordinate of a maser spot is given by

z = r

(
sinφ

tan i

)
+ (X −X0) cos Ω− (Y − Y0) sin Ω, (4)

where r and φ are the polar coordinates of the model maser spot. The resulting vertical structure of the disk is shown

in Fig. 14. We find that, by design, most of the maser spots lie close to z = 0, but there are notable deviations over

the G1–R4 region (disk frame x between toughly 0 and 10 mas). One possibility is that these deviations result from an

unaccounted for warp in the molecular accretion disk. However, the displacement of the G1–R4 masers is comparable

to the length of the maser substructures. To that point, the filamentary substructures align nearly perpendicular to the

best-fit disk plane, suggesting outflow along poloidal magnetic field lines (see Sec. 6). The morphology suggests that

the asymmetry of the H2O maser spot distribution does not result from warps or vertical structure in the molecular

disk; rather, it seems more likely that the molecular disk is anisotropically heated.

4.7. An Anisotropic Heating Model for the Molecular Accretion Disk

So far, H2O megamaser disks are found mainly in active galactic nuclei (cf. Kuo et al. 2018), and the central

engine likely plays a role in powering H2O megamaser emission. Toward understanding the origin of H2O masers

from circumnuclear disks, Neufeld & Maloney modeled the effects of X-ray heating on molecular gas (Neufeld et al.

1994; Neufeld & Maloney 1995); they demonstrated that X-ray heating produces a region of enhanced H2O abundance

with temperatures suited to pump the 22 GHz maser transition through collisions. Turning to observational evidence,

Gallimore et al. (2001) demonstrated that the fluxes of the blueshifted and redshifted disk masers of NGC 1068 are

correlated over nearly 15 years of monitoring. They also detected a simultaneous flare of blueshifted and redshifted

maser features that lasted less than 84 days; however, the projected distance between the maser spots is ∼ 20 mas (see

Fig. 8), corresponding to a separation > 4 LY. The likeliest explanation is that the masers respond to variations of the

(unfortunately hidden) central engine (see also Neufeld 2000, for a theoretical treatment of H2O maser reverberation).

Motivated by the X-ray heating model for disk megamasers, we consider an anisotropic heating model to explain

the distribution of maser spots in the deprojected spiral arms model (Fig. 13). Specifically, we consider the radiation

pattern produced by a geometrically thin accretion disk with a Thomson-thick atmosphere (Netzer 1987). A cloud

located at distance R from the accretion disk receives flux,

F (r, θ) ∝ cos θ(1 + 2 cos θ)

3R2
, (5)

where θ is the angle between the polar axis of the accretion disk and the radius vector to the cloud. To constrain

the model, we assume that the small-scale radio jet along PA ∼ 11◦ marks the projection of the accretion disk axis

on the sky. We further assume that the maser spots occupy quadrants of the molecular disk that receive more AGN

continuum flux than the adjacent quadrants. We calculated the illumination of the molecular disk over a grid of

accretion disk inclinations and searched for illumination patterns that preferentially heat the maser quadrants of the

molecular disk. From inspection of the resulting model grids, the best matches result for accretion disk inclinations
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Figure 15. The illumination pattern of the central accretion disk on the surrounding molecular accretion disk in the anisotropic
heating model. In this model, the central accretion disk has inclination 60◦, and the polar axis projects onto the sky along PA
11◦. The color scale indicates the flux received by a cloud in the molecular accretion disk; fluxes are normalized to the flux
received by a cloud located r = 5 mas (0.35 pc) above the accretion disk (i.e. along the polar axis of the accretion disk). The
central 5 mas has been masked for the purpose of illustration. The deprojected maser spot positions are plotted as in Fig. 13.
N.B. this illustration does not include radiative transfer effects within the disk.

between ≈ 56◦ to 66◦ (i.e., the northern radio jet axis tilts toward the observer ≈ 24◦ to 34◦ from the plane of the

sky). Figure 15 shows the illumination pattern for accretion disk inclination 60◦. Note that, for this illustration, we

have not included the effects of radiative transfer through the molecular disk; rather, our goal was to illustrate the

disk heating pattern that results when the larger molecular accretion disk does not align with the inner accretion disk.

Based on the maser data alone, it is unclear which of the following has a greater effect on the distribution of maser

spots in the molecular accretion disk: anisotropic heating or the vertical structure of the disk. However, it is unclear

why vertical structures preferentially occur in opposite quadrants of the molecular disk unless the disk is anisotropically

heated. We revisit to the anisotropic heating model in Sec. 5.

4.8. Constraints on the Mass of the Molecular Accretion Disk

The presence of spiral arms implies self-gravitation in the disk, which, in turn, can be used to estimate the mass

of the molecular disk (see Maoz 1995 for a similar analysis of NGC 4258) The Toomre Q parameter evaluates the
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stability of a differentially rotating disk against fragmentation and collapse (Toomre 1964). For a Keplerian disk in

orbit around a black hole,

Q ≈ 2
Mbh

Md

c

vφ
, (6)

where Mbh is the central black hole mass, Md is the disk mass, and c is the characteristic wave speed in the gas,

whether the sound speed cs ≈ 0.08
√
T km s−1 (cf. Kratter & Lodato 2016), or, in a magnetized disk, the Alfvén speed,

vA (Kim & Ostriker 2001). Spiral structure appears when 1 . Q . 2. Normalizing to values appropriate for the disk

masers, we find

Md ≈ 110× 103M�

(
Mbh

17× 106M�

)(
Q

1.5

)−1 ( vc
2.6 km s−1

)( vφ
300 km s−1

)−1
. (7)

Here, we have scaled the characteristic speed, vc, to the best-fit error floor (Table 6), which is close to the sound speed

in warm molecular clouds.

We find that the disk mass inferred from the stability arguments is . 1% of the central mass, and the effect on the

rotation curve should be small. The exact effect on the rotation curve depends on the radial profile of the surface

mass density, Σ(r), which is unknown. Assuming a Mestel disk profile for simplicity, Σ(r) ∝ r−1 (Mestel 1963),

the characteristic circular speed due only to disk self-gravitation is . 20 km s−1. Combined in quadrature with a

characteristic rotation speed vφ = 300 km s−1, the effect on the rotation curve is . 0.2%.

Based on this estimate of disk mass (Eq. 7) and the geometry of the disk defined by the H2O maser spots, the

mean gas density within the molecular disk is ρ̄ ≈ 7 × 10−14 kg m−3 (n̄(H2) ≈ 9 × 107 cm−3). For comparison, H2O

masers trace molecular gas with density n(H2) ≈ 108 – 1011 cm−3 (Kylafis & Norman 1987, 1991; Neufeld et al. 1994;

Moran et al. 1995; Neufeld 2000), or ρ ≈ 3 × 10−13 to 3 × 10−10 kg m−3. The inferred density contrast between the

arm and the disk average is ρA/ρd & 4, comfortably within the range of contrasts produced in swing amplification

studies (Toomre 1981; Maoz 1995). Based on this simplified stability analysis, the density enhancement produced by

the spiral arms may have been necessary to generate H2O masers in the molecular accretion disk of NGC 1068.

5. COMPARISON WITH INFRARED CONTINUUM IMAGES

The nucleus of NGC 1068 has been observed at roughly mas resolution in the near-infrared and mid-infrared with the

Very Large Telescope Interferometer (VLTI): 2.2µm continuum with the GRAVITY instrument (GRAVITY Collabo-

ration et al. 2020), and 3.7–12µm with the MATISSE instrument (Gámez Rosas et al. 2022). The infrared continuum

images are provided in Fig. 16. The absolute astrometric calibration for these images is imprecise, so the comparison

with radio and mm-wave data has relied on interpretation. The GRAVITY image shows a handful of compact sources

that roughly align with the orientation of the disk masers. Brighter sources appear to form a partial ring with radius

3.5 mas (0.25 pc). In their preferred interpretation, GRAVITY Collaboration et al. (2020) model near-infrared emis-

sion as arising from hot, dusty clouds surrounding the central engine and located near the dust sublimation radius.
In that registration, the hot dust and masers are coplanar, and the hot dust traces the inner edge of the molecular

accretion disk.

Turning to the MATISSE data, Gámez Rosas et al. (2022) derived astrometry based on a cross-correlation between

the 12µm continuum image and the ALMA 256 GHz continuum image of Impellizzeri et al. (2019). The astrometric

precision is about 3 mas across all of the MATISSE bands. Putting some confidence in this alignment, Gámez Rosas

et al. (2022) found a morphological agreement between the brightest emission on the MATISSE images and resolved

northern and northeastern extensions on the 22 GHz continuum image. Given the proximity in wavelength, the

compact sources on the 2.2µm GRAVITY image likely associate with the brightest emission on the 3.7µm MATISSE

image; the GRAVITY image shown in Fig. 16 was registered based on this assumption. To place the positions of

the maser spots measured by GG97, Gámez Rosas et al. (2022) assumed that the 22 GHz continuum peak marks the

kinematic center of the maser disk. In their registration, the masers fall along a dark lane in the 3.7µm image, and

the brighter infrared emission is located mainly north of the maser disk. Their interpretation is that the mid-infrared

continuum traces warm dust in the molecular outflow.

Because they derive from the same data, our new observations provide a precise registration of the maser spots

relative to the 22 GHz continuum (Fig. 5). We find that, counter to the registration of Gámez Rosas et al. (2022),

the radio continuum peak is actually located southwest of the kinematic center of the maser disk (Sec. 2.1; Fig. 5).

As shown in Fig. 16, the corrected placement of the H2O maser spots more closely aligns the H2O maser disk with
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Figure 16. Comparison of HSA nuclear continuum and maser positions with VLTI infrared images. In both panels, the maser
spots are plotted as filled dots color-coded by recessional velocity as in Fig. 3. The infrared beams are shown as blue-filled ellipses
in the lower right corner. Left panel: In reverse grayscale, the MATISSE 3.7µm image from Gámez Rosas et al. (2022). The
22 GHz continuum is plotted as magenta contours; the contour levels are identical to Fig. 5. Right panel: In inverse grayscale,
the GRAVITY 2.2µm image from GRAVITY Collaboration et al. (2020). The spiral arms model for the maser kinematics is
plotted as magenta and cyan curves. The astrometry of the infrared images is based on a cross-correlation between the ALMA
256 GHz continuum image (Impellizzeri et al. 2019) and the MATISSE 12µm continuum image (Gámez Rosas et al. 2022).
Since the masers and 22 GHz continuum are produced from the same data, the relative astrometry is arbitrarily precise.

the GRAVITY near-infrared sources as originally proposed by GRAVITY Collaboration et al. (2020) but shifts the

infrared sources to a larger distance from the kinematic center.

The inferred dust temperatures are consistent with this registration. Based on modeling of the GRAVITY-MATISSE

infrared SEDs, the dust temperatures of the brightest infrared sources are ∼ 700 K, well below the sublimation

temperature for graphite (Tsub ≈ 1800 K) and silicate (Tsub ≈ 1500 K) grains (Gámez Rosas et al. 2022). Scaling from

the sublimation radii estimates of Netzer (2015), the expected grain temperature is

Tgr ≈ 1000

(
LAGN

1045 ergs s−1

)(1/5.2)(
f(θ)×R

0.8 pc

)(1/2.6)

K, (8)

where LAGN is the (unknown) luminosity of the AGN, R is the distance between the AGN and the dusty cloud, θ

is the polar angle between the accretion disk axis and the dusty cloud, and f(θ) is a correction for the anisotropy

of the AGN radiation field. For an isotropic source, f(θ) = 1, and for a thin accretion disk with a Thomson-thick

atmosphere, f(θ) = [cos θ(1 + 2 cos θ)/3]
1/2

(cf. Eqn. 5). From the anisotropic heating model presented in Sec. 4.7,

θ ≈ 60◦ in this region of the molecular accretion disk, and f(θ) ≈ 0.58. The predicted dust temperature at R = 0.8 pc

is,

Tgr ≈ 800

(
LAGN

1045 ergs s−1

)(1/5.2)(
f(θ)

0.58

)(1/2.6)(
R

0.8 pc

)(1/2.6)

K. (9)

Dust temperatures Tgr = 700 K result for LAGN ≈ 5× 1044 ergs s−1, comfortably within the wide range of estimates

for NGC 1068 (see the discussion in GRAVITY Collaboration et al. 2020). We caution that this estimate carries

many assumptions and is not intended to be a precise measure of the (hidden) AGN luminosity. Rather, the result

shows that the dust temperatures associated with the brightest VLTI sources are consistent with R ≈ 0.8 pc and the
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Figure 17. The illumination pattern of the central accretion disk on the surrounding molecular accretion disk in the anisotropic
heating model as in Fig. 15 but projected onto the sky. The MATISSE 3.7µm continuum image is plotted as cyan contours;
the contour levels are 0.07, 0.14, 0.26, 0.51, and 0.97 of the infrared continuum peak.

astrometric registration shown in Fig. 16. We conclude that the brightest infrared sources on VLTI images trace warm

dust in the molecular accretion disk at roughly the orbital radii of the brightest H2O maser sources. Fainter infrared

continuum sources are found north and south of the molecular disk and are probably associated with nuclear outflow

(cf. Gallimore et al. 2016).

Extinction poses a challenge for the Gámez Rosas et al. (2022) registration. To promote H2O maser emission, the

mean molecular gas density is n(H2) & 108 cm−3 (Kylafis & Norman 1987, 1991; Neufeld et al. 1994; Moran et al. 1995;

Neufeld 2000). For a disk with 1 mas (0.07 pc) scale-height (Fig. 14) and inclination ∼ 76◦ (Table 6), the characteristic

path-length through the disk to the midplane is about 0.3 pc. The inferred column density to the disk midplane is

therefore N(H2) & 8 × 1025 cm−2, corresponding to a K-band extinction of about 9 mag (Cardelli et al. 1989; Güver

& Özel 2009, and references therein). As a result, we should not be able to see near-infrared continuum directly

associated with H2O masers. We can see two ways to reconcile this issue. First, the extinction might be patchy, and

we see near-infrared continuum leaking through gaps in maser clouds. Alternatively, the proposed alignment needs to

be adjusted by a few mas, perhaps placing the infrared continuum north or northeast of the maser disk, in which case

the infrared continuum might trace extraplanar dust associated with the molecular outflow.

For the registration of the 22 GHz and infrared data presented here, there is a remarkable asymmetry between

regions northwest and southeast of the kinematic center: the infrared continuum is brighter to the northwest, as is the
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H2O maser emission. At least part of the asymmetry might be caused by anisotropic heating, as discussed in Sec. 4.7.

To illustrate, Fig. 17 shows the model illumination pattern of Fig. 15 projected onto the sky with the inclination and

position angle of the H2O maser disk (Table 6). The 3.7µm continuum peak appears to be associated with the more

illuminated region of the molecular disk at the northwest. A fainter extension to the northeast and a faint, isolated

source to the southwest are more closely aligned with the molecular disk axis and perhaps trace dust in the molecular

outflow. However, the anisotropic heating model predicts an infrared continuum peak to the southwest assuming that

molecular gas is distributed at least roughly symmetrically in disk azimuth (i.e. allowing for spiral arms or other disk

structures). This result supports the argument that the southeast region of the molecular accretion disk is selectively

obscured by colder molecular gas in the torus on the pc scale (Gámez Rosas et al. 2022).

6. CONSTRAINTS ON MAGNETIC FIELDS

The filamentary substructures observed throughout the nuclear H2O maser disk of NGC 1068, particularly the

parallel filaments of the R4 masers, suggest the influence of ordered magnetic fields with size scales comparable to the

disk radius (compare with star-forming regions, for example, Myers 2009). We note in passing that the maser filaments

qualitatively resemble molecular outflow features in the magnetic accretion disk model proposed by Emmering et al.

(1992). This interpretation requires that the molecular gas be partially ionized, as predicted by X-ray heating models

for H2O megamaser emission (Neufeld et al. 1994; Neufeld & Maloney 1995). The nearly parallel filaments of the R4

region suggest that there are ordered magnetic fields threading the molecular disk and spanning 90◦ in disk azimuth

(see Fig. 13).

Gas motions will tend to stretch and disrupt filaments, but the organization of the R4 filaments hints that an

equilibrium between gas motion and magnetic tension has been achieved; for the purpose of order of magnitude

estimation, ρv2c ≈ B2/8π, where ρ is the mass density of the gas, vc is a characteristic speed of the gas relative to

magnetic field line, and B is the characteristic magnetic field strength. If the magnetic field lines are static as viewed

by a distant observer, magnetic tension forces will introduce drag on the rotating disk and cause the filaments to

curve in the direction of rotation and amplify the azimuthal component of the magnetic field (see, e.g., Bonanno &

Urpin 2007). Since the filaments show no strong curvature (except perhaps among the R3 masers), it seems more

likely that the larger-scale magnetic field rotates with the molecular disk. In this case, turbulence introduces relative

motion between the molecular gas and the large-scale magnetic field lines. The best-fit error floor, δV = 2.6 km s−1

(Table 6), provides an estimate of turbulent motion in the molecular disk. For equilibrium between turbulent motions

and magnetic tension,

Bls ≈ 1.6 mG
( vc

2.6 km s−1

)( xe
10−5

)1/2( ρ

ρmax

)1/2

(10)

where Bls refers to the characteristic magnetic field strength of the large-scale magnetic field, xe is the ionization

fraction of the molecular gas (cf. Kylafis & Norman 1987; Neufeld et al. 1994) and maser emission is quenched at

densities exceeding ρmax = 3.2× 10−10 kg m−3 (Kylafis & Norman 1987, 1991; Neufeld et al. 1994; Moran et al. 1995).
For comparison, based on infrared polarimetry, Lopez-Rodriguez et al. (2015) find that the hottest dust grains are

embedded in a magnetic field of strength Bls & 4 mG. The magnetic field strength drops below Bls ∼ 1 mG outside

r = 3 pc (from ALMA continuum polarimetry; Lopez-Rodriguez et al. 2020). We conclude that the strength of the

magnetic fields on sub-pc scales is likely sufficient to stabilize the field lines against turbulent motions of a few km s−1.

Interestingly, it appears that the orientation of the projected magnetic field lines rotates from nearly poloidal to

toroidal: PA ∼ 0◦ in the maser disk (Fig. 6) to PA∼ 105◦ in the outer obscuring “torus” (Lopez-Rodriguez et al. 2015,

2020).

Zeeman-induced polarization provide an independent check on this magnetic field estimate, but the expected polar-

ization is weak. For H2O masers, the maximum fractional circular polarization produced by Zeeman-induced hyperfine

transitions is,

|Vmax|
I

=
AB||
∆v

, (11)

where |Vmax| is the absolute Stokes-V peak flux density, I is the Stokes-I peak flux density, A ≈ 0.02 km s−1 gauss−1

for this transition, ∆v is the Stokes-I linewidth, and B|| is the strength of the magnetic field component parallel to

the sight line (Fiebig & Guesten 1989; Nedoluha & Watson 1992). For the field strengths and turbulent velocities

discussed above, |V |/I & 0.0012%.
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The brightest single maser spot in our data has I = 260 mJy, so the prediction is |V | & 3 µJy. Unfortunately,

the predicted Stokes-V falls below the detection limit on the channel maps, roughly 5 mJy beam−1 (see Sec. 2.2).

Accepting that our predictions are only rough estimates for the characteristic magnetic field strengths in the molecular

disk, we produced Stokes-V maps for the redshifted channels, but no significant signal was detected. Formally, the

non-detection places an upper limit on the magnetic field strength, B|| . 2.5 gauss.

Unfortunately, even if the magnetic fields are much greater than estimated here, future searches for Zeeman-induced

circular polarization in NGC 1068 will likely be limited by confusion. The maser spots are crowded in the sky and in

recessional velocity (Figs. 3 and 8). As a result, the integrated Stokes-V signal may be suppressed by overlapping and

oppositely polarized Zeeman features in the spectrum. Unlike the maser disk of NGC 4258 (Herrnstein et al. 1998),

NGC 1068 has no strong, isolated H2O maser features to search for Zeeman-induced circular polarization. On the other

hand, linear polarization might probe at least the orientation of the magnetic fields. In particular, for propagation

angles ∼ 90◦, linear polarization fractions approaching 50% or greater are expected (Lankhaar & Vlemmings 2019).

Unfortunately, our current data do not include linear polarization information, but follow-up observations with full

polarization may provide the best constraints on the magnetic field properties of the molecular accretion disk of

NGC 1068.

7. THE KINEMATICS OF THE JET MASERS

The jet masers at continuum component C are blueshifted relative to the systemic velocity of the host galaxy. The

surprising result is that they are displaced about 5 mas south of the 5 GHz continuum peak (Fig. 4). In Fig. 18,

we compare the location of the jet masers with ALMA maps of 256 GHz continuum and the HCN (J = 3 → 2) line

(ALMA data from Impellizzeri et al. 2019). The HCN emission resolves into a few compact sources with the brightest

emission centered ∼ 30 mas (2 pc) west of the jet masers. For the purpose of discussion, we refer to the clumps of

HCN line emission collectively as the component C molecular cloud complex.

The east-west p–v diagram of the jet masers and molecular cloud complex is provided in Fig. 19. On this diagram,

the jet masers show a U-shaped pattern, although the C3 group includes a highly blueshifted spot that overlaps faint

HCN emission. The molecular cloud complex spans a similar velocity range but shows additional emission closer to

the systemic velocity. No significant HCN emission appears east of the C4 masers.

Assuming that the masers trace the molecular gas on the near side of some substructure within the molecular cloud

complex, the p–v diagram is consistent with that expected from an expanding ring viewed nearly edge-on. In this

scenario, the C1 and C4 masers move perpendicular to the sight line (that is, C1 moves west and C4 east). Consistent

with this picture, the C1 and C4 masers have recessional velocities ∼ 1025 km s−1, centered on the mean recessional

velocity of the molecular cloud complex. The C2 and C3 masers arise from clumps on the near side of the expanding

ring and approach the observer at the speed of expansion, roughly 60 km s−1 relative to the molecular cloud complex.

The C3 masers show the highest relative speeds with recessional velocities reaching 100 km s−1 blueshifted relative to

the molecular cloud complex.

The continuum morphology and the jet maser kinematics might be explained by the impact of the radio jet on the

molecular cloud complex in component C (cf. Gallimore et al. 1996b). In this scenario, synchrotron continuum emission

is enhanced at the resulting shock front; i.e., the 5 GHz continuum peak marks the shock front proper. The post-shock

plasma expands, driving a second shock front into the surrounding molecular clouds. Assuming a constant expansion

velocity, the kinematic age of the maser ring is 0.35 pc/60 km s−1 ≈ 6000 yr. As the maser ring expanded to its current

diameter, the jet shock front has been advancing roughly northward, away from the central engine. Projected onto

the sky, the 5 GHz continuum peak is about 5 mas (0.4 pc) north of the C2 masers. Therefore, assuming that the

northward displacement is due to the advancement of the jet shock front over the age of the expanding ring, the

average advancement speed is also ≈ 60 km s−1.

Relevant to this interpretation, May & Steiner (2017) proposed that the jet shock powers a secondary wind observed

in infrared [Fe II], [Si VI], and H2 line emission throughout the narrow-line region. The characteristic outflow speeds

are ∼ 140 km s−1 over 100 pc scales, leading to a kinematic age ≈ 7×105 years. If these interpretations are correct, the

jet masers trace dynamically young molecular clumps that accelerate away from the jet shock and feed the larger-scale

and dynamically older outflow. We speculate that the higher-velocity C3 masers may trace accelerated gas located

farther from the jet maser ring (i.e. closer to the observer than the expanding ring). It will be interesting to monitor

the component C / jet maser region to look for acceleration and the generation of new maser spots as the source

evolves.
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Figure 18. The location of the jet masers (blue dots) relative to the peak of the VLBA 5 GHz continuum (white dot), the
ALMA 256 GHz continuum image (contours), and integrated HCN (J = 3 → 2) emission (colorscale). The ALMA restoring
beam is shown as the cyan ellipse on the lower right. The contour levels are 0.019, 0.037, 0.074, 0.15, and 0.30 mJy beam−1.

8. CONCLUSIONS

Based on new HSA observations of the H2O megamasers of NGC 1068, we have reinterpreted the kinematics of the

disk masers and resolved the kinematics of the jet masers. We list the main results and conclusions.

1. Using reverse phase calibration on the phase reference source, we obtain astrometric positions of the maser spots

and 22 GHz continuum with 0.3 mas precision. By comparing the positions of the maser spots with astrometric

images of the 5 GHz continuum, we confirm the close agreement between the morphology of the S1 continuum

and the distribution of the disk maser spots. Since it shares the phase reference solutions of the maser spots,

the 22 GHz continuum also confirms the positional agreement.

2. Based on the astrometric alignment proposed by Gámez Rosas et al. (2022), the brightest H2O masers are

associated with the brightest infrared sources on VLTI images. It seems likely that these infrared sources trace

warm dust in the molecular accretion disk or its associated outflow. The dust temperatures are consistent with

an AGN luminosity LAGN ≈ 5× 1044 ergs s−1.

3. In contrast to other megamaser disks, the p–v diagram of the disk masers shows a peculiar curve between the

extrema of the recessional velocities. The masers appear to sample molecular gas in two symmetric spiral arms

with pitch angle θp = 5◦.

4. Based on a deprojection of the spiral arms model, the disk masers are located in an annulus located between

roughly 5 and 15 mas (0.35 to 1 pc) from the kinematic center.

5. The disk masers preferentially fall in opposite quadrants of the molecular accretion disk. We speculate that the

masers trace anisotropically heated regions of the molecular accretion disk.
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Figure 19. The position-velocity diagram of the jet masers (color-filled circles) and HCN (J = 3→ 2) emission (colorscale) at
component C. The positional slice is east-west through the middle of the jet masers. The spatial resolution of the HCN image
is 20 mas. The dashed line indicates the systemic velocity of the host galaxy. The cyan ellipse illustrates the pattern expected
for an expanding ring of diameter 10 mas and expansion speed 60 km s−1.

6. The rotation curve is consistent with Keplerian rotation. The extrapolated rotation curve agrees well with the

observed tangential velocity curve of HCN (J = 3 → 2), indicating that the rotation curve remains Keplerian

out to r ∼ 100 mas (7 pc).

7. The inferred mass inside r = 5 mas (0.35 pc) is 17× 106 M�.

8. Based on disk stability arguments, the mass of the molecular disk is ≈ 110× 103 M�.

9. The velocity error floor of the spiral disk model is δV = 2.6 km s−1, much lower than the previous estimates of

the turbulent velocity. We note that this value is comparable to the sound speed in warm molecular gas.

10. On mas scales, the disk masers arrange into linear, filamentary structures, suggesting the influence of pc-scale

magnetic fields with characteristic field strengths & 1.6 mG.

11. The jet masers appear to trace an expanding ring with characteristic expansion velocity ∼ 60 km s−1. The

kinematic age is about 6000 years.

12. The radio continuum source C is displaced about 5 mas north of the jet masers. We propose that the continuum

source traces an advancing shock as the radio jet penetrates the molecular cloud complex near component C.

Assuming that the shock front has advanced northward from the jet masers over 6000 years, its advancement

speed is also ∼ 60 km s−1.



30 Gallimore & Impellizzeri

The authors thank the participants of the TORUS 2018 workshop (Puerto Varas, Chile) for the helpful comments

and conversations that motivated this work. We also thank the anonymous referee for their helpful and constructive

review that greatly improved the manuscript. This paper makes use of data obtained from the NSF’s VLBA and VLA,

operated by the National Radio Astronomy Observatory. The National Radio Astronomy Observatory is a facility of

the National Science Foundation operated under cooperative agreement by Associated Universities, Inc. The GBT is

part of the Green Bank Observatory, which is a facility of the National Science Foundation operated under cooperative

agreement by Associated Universities, Inc.

1

2

3

4

5

6

7

Facilities: VLBA, VLA, GBT, HSA

Software: AIPS (Wells 1985; Greisen 1990, 2003), astropy (Astropy Collaboration et al. 2013), emcee (Foreman-

Mackey et al. 2013), DIFMAP (Shepherd 1997), PyDREAM (Shockley et al. 2017)

APPENDIX

A. SUBGROUP ANALYSIS AND RESULTS

Close-ups of the sky distribution of the individual disk maser groups are provided in Figures 6 and 20 – 22.

Declination-velocity diagrams are included to highlight north–south velocity gradients within the maser groups. Group

R4, in particular, breaks up into remarkable parallel filaments (Figure 6).

We used k-means clustering (Forgy 1965; MacQueen 1967) to classify individual substructures for analysis. This

clustering technique does not determine the optimal number of clusters to assign; instead, we iteratively varied the

number of clusters and inspected the cluster assignments by eye. The goal was to find the minimum number of clusters

required to separate clear groupings in position and velocity. Using this approach, we indentified 34 subgroups and

labeled them by their parent group name and a lowercase suffix (e.g., R2a, R2b, etc.). No subgroups were found for

groups R1, B3, and B4.

We calculated the properties of the subgroups using flux-weighted moments of the sky coordinates, and we performed

a linear fit to the major axis offset and recessional velocities to estimate the mean velocity gradient. Table 8 lists the

summary properties of the subgroups. Uncertainties were determined using a Monte Carlo method. In each Monte

Carlo trial, the spot coordinates and flux densities were drawn from a normal distribution scaled to the measurement

uncertainties. The flux-weighted moments and mean velocity gradients were recalculated for each trial. After 104 trials,

the uncertainties of the properties of the subgroups were estimated using the standard deviation for all the trials.

B. MARKOV CHAIN MONTE CARLO ANALYSIS

We used a forward modeling approach and Markov Chain Monte Carlo (MCMC) analysis to fit kinematic models to

the disk maser spot data. For simplicity, the masers are assumed to occupy a flat disk with inclination i and position

angle Ω. Given a trial set of orbital parameter values, we calculated the orbit in cylindrical coordinates in the disk

frame (r, φ, z = 0) using discrete steps in azimuth, δφ = 0.◦1. The models project onto the sky according to,

X = X0 + r (sin Ω cosφ− cos Ω cos i sinφ) ,

Y = Y0 + r (cos Ω cosφ+ sin Ω cos i sinφ) , and

V = vsys + vr sin i sinφ+ vφ sin i cosφ,

(B1)

where, following the notation of Humphreys et al. (2013), X and Y are the sky coordinates, measured as offset angles;

V is the recessional velocity; X0 and Y0 are the sky coordinates of the kinematic center; vsys is the systemic recessional

velocity; and vr and vφ are disk frame orbital speeds in the radial and azimuthal directions, respectively.

After projecting the model to the sky coordinates, each maser spot was matched to the point on the model orbit that

minimizes the Cartesian distance,
√

(∆X/Sx)2 + (∆Y/Sy)2 + (∆V/SV )2, where SX , SY , and SV are measurement
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Figure 20. Close-up of the R1–3 maser groups, plotted as in Fig. 6.
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Figure 21. Close-up of the G1 maser group, plotted as in Fig. 6.

uncertainties; see Chen et al. (2020) for a similar approach to modeling maser kinematics. The goodness of fit for a
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Figure 22. Close-up of the B2–4 maser groups, plotted as in Fig. 6.

set of model parameters θ is given by the unnormalized posterior probability,

logP (θ|Q) = −1

2

∑
j

(
(Qj − Q̃j [θ])2

S2
j

+ log
(
2πS2

j

))
+ logP (θ), (B2)

where Q is the vector of measurements (i.e., sky positions and recessional velocities), Q = (Q1, Q2, . . .); Q̃j are the

best-matching model coordinates; Sj is the measurement uncertainty of Qj ; θ is the vector of model parameter values;

and P (θ) is the prior probability, i.e., constraints on the model parameters prior to the model fit. In each iteration of

the MCMC analysis, the parameters θ are randomly updated, θk → θk+1, and the updated parameters are accepted

or rejected according to the Metropolis criterion (Metropolis et al. 1953).

The azimuthal grid spacing of the discretized model introduces some small systematic uncertainty. For δφ = 0.◦1,

the projected model coordinates are spaced by ∼ 0.015 mas in the sky and by ∼ 0.5 km s−1 in recessional velocity.

However, this projected gridding in the sky is much finer than the size of individual subgroups (Table 8), and the

velocity gridding is only slightly larger than the channel width but smaller than the velocity range spanned by individual

subgroups. Therefore, the intrinsic substructure within the maser groups is likely to have a greater systematic impact

on the fit. To this end, we estimate systematic uncertainties by introducing the parameters δX, δY , and δV , which

are added in quadrature to the measurement uncertainties. These terms are called “error floors” in the terminology

of Humphreys et al. (2013). Note that, with the inclusion of these error floors as parameters, the uncertainties Sj in

Eq. B2 depend on the parameter values: Sj → Sj(θ).

For the expanding ring and elliptical orbit models, it is clear the R1 – R3 masers are not part of the common orbit

proposed for the R4 – B4 maser groups. Recessional velocities decrease with offset of the major axis (Fig. 8), suggesting

that the R1–R3 masers trace the molecular gas outside the orbit(s) traced by the R4–B4 masers. For simplicity and

consistency with earlier interpretations (GG97, Kumar 1999, Huré 2002, Lodato & Bertin 2003), we model the R1–R3
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Table 8. Maser Subgroup Properties

Name East Offset West Offset VR Major Axis Minor Axis PA V ′R

(1) (2) (3) (4) (5) (6) (7) (8)

R1 −8.88 ± 0.02 13.46± 0.07 1380.983± 0.008 0.40 ± 0.02 0.05 ± 0.01 −8 ± 1 −2.8± 0.4

R2a −9.63 ± 0.03 10.9 ± 0.1 1384.93 ± 0.04 0.97 ± 0.02 0.30 ± 0.07 1 ± 9 −7 ± 3

R2b −9.13 ± 0.03 10.3 ± 0.1 1395.678± 0.003 0.8 ± 0.1 0.09 ± 0.04 −11 ± 3 4 ± 1

R3a −7.46 ± 0.03 7.8 ± 0.1 1392.66 ± 0.03 0.71 ± 0.05 0.274± 0.008 −2 ± 2 −11 ± 2

R3b −7.24 ± 0.01 7.29± 0.04 1402.02 ± 0.07 0.57 ± 0.08 0.15 ± 0.02 −20 ± 3 −8 ± 2

R3c −7.135± 0.003 7.53± 0.01 1412.04 ± 0.02 0.248± 0.004 0.12 ± 0.01 25 ± 2 13 ± 9

R3d −6.668± 0.008 7.09± 0.03 1425.591± 0.003 0.970± 0.008 0.13 ± 0.01 −36.5± 0.5 −10.7± 0.4

R4a −5.13 ± 0.01 4.66± 0.05 1452.04 ± 0.01 0.90 ± 0.06 0.241± 0.006 −2 ± 1 14.1± 0.6

R4b −5.09 ± 0.02 3.56± 0.07 1432.6 ± 0.1 1.22 ± 0.05 0.27 ± 0.02 −6 ± 1 8.6± 0.6

R4c −4.68 ± 0.02 3.17± 0.08 1380.88 ± 0.07 0.85 ± 0.04 0.100± 0.008 −15.5± 0.9 19.1± 0.6

R4d −4.512± 0.008 3.13± 0.04 1362.04 ± 0.03 0.680± 0.009 0.103± 0.004 −18.1± 0.3 25.6± 0.4

R4e −4.22 ± 0.03 2.8 ± 0.1 1339.9 ± 0.2 1.4 ± 0.1 0.207± 0.006 −7 ± 1 9.4± 0.6

R4f −3.79 ± 0.06 2.3 ± 0.2 1312.18 ± 0.03 1.5 ± 0.1 0.5 ± 0.2 0 ± 5 −9.2± 0.8

R4g −3.33 ± 0.03 2.5 ± 0.1 1292.24 ± 0.08 1.1 ± 0.2 0.256± 0.008 −1 ± 3 −5 ± 2

R4h −3.19 ± 0.02 1.92± 0.07 1276.37 ± 0.07 0.5 ± 0.2 0.23 ± 0.02 −10 ± 20 4 ± 6

R4i −2.60 ± 0.01 2.33± 0.05 1262.47 ± 0.02 0.40 ± 0.03 0.20 ± 0.02 −40 ± 20 20 ± 10

R4j −2.58 ± 0.07 1.8 ± 0.2 1251.61 ± 0.04 0.75 ± 0.09 0.5 ± 0.1 −20 ± 30 3 ± 4

R4k −2.34 ± 0.03 1.0 ± 0.1 1236.50 ± 0.08 0.64 ± 0.07 0.23 ± 0.03 −5 ± 4 2 ± 1

R4l −1.93 ± 0.03 1.61± 0.08 1228.782± 0.001 0.48 ± 0.02 0.11 ± 0.04 34 ± 4 −1.7± 0.3

R4m −1.5 ± 0.2 0.8 ± 0.3 1217.490± 0.002 2.5 ± 0.1 0.2 ± 0.2 17 ± 7 −0.4± 0.1

G1a −0.84 ± 0.04 −0.3 ± 0.1 1183.42 ± 0.03 1.17 ± 0.08 0.263± 0.008 −18 ± 2 −5 ± 0.5

G1b −0.56 ± 0.02 −0.57± 0.05 1160.14 ± 0.06 0.40 ± 0.07 0.14 ± 0.02 −6 ± 5 10 ± 4

G1c −0.24 ± 0.05 −0.63± 0.07 1149.87 ± 0.02 0.415± 0.008 0.29 ± 0.01 −40 ± 10 8 ± 2

G1d 0.04 ± 0.04 −0.95± 0.08 1110.09 ± 0.04 0.7 ± 0.2 0.4 ± 0.2 −10 ± 20 −10 ± 3

G1e 0.18 ± 0.03 −0.98± 0.08 1128.09 ± 0.08 0.52 ± 0.05 0.34 ± 0.02 −17 ± 6 6 ± 4

G1f 0.23 ± 0.03 −0.97± 0.07 1142.38 ± 0.07 0.34 ± 0.02 0.14 ± 0.01 −26 ± 4 20 ± 2

G1g 1.16 ± 0.03 −1.3 ± 0.1 1105.82 ± 0.02 0.75 ± 0.04 0.18 ± 0.02 −16 ± 2 −7.3± 0.7

G1h 1.77 ± 0.03 −1.72± 0.07 1079.47 ± 0.06 1.06 ± 0.03 0.462± 0.007 23.3± 0.9 −12.8± 0.3

B1a 7.14 ± 0.02 −2.54± 0.09 939.64 ± 0.07 0.45 ± 0.06 0.14 ± 0.01 −2 ± 3 −2 ± 4

B1b 7.27 ± 0.03 −2.0 ± 0.1 919.457± 0.002 0.28 ± 0.03 0.067± 0.005 −15 ± 2 1 ± 1

B2a 10.05 ± 0.01 −7.62± 0.04 828.82 ± 0.03 0.39 ± 0.03 0.10 ± 0.02 −11 ± 3 −9 ± 3

B2b 10.27 ± 0.06 −7.4 ± 0.1 840.56 ± 0.04 0.6 ± 0.1 0.42 ± 0.03 −20 ± 20 7 ± 1

B3 10.195± 0.009 −6.51± 0.03 863.938± 0.004 0.31 ± 0.02 0.08 ± 0.01 −32 ± 3 80 ± 10

B4 10.88 ± 0.04 −5.0 ± 0.1 821.556± 0.009 0.9 ± 0.1 0.15 ± 0.02 −9 ± 1 8 ± 2

Note—The properties of the maser subgroups were determined from flux-weighted moments of spot coordinates. The columns are (1) the
name of the subgroup; (2) east offset centroid (mas); (3) north offset centroid (mas); (4) recessional velocity centroid (km s−1); (5) major
axis (mas); (6) minor axis (mas); (7) position angle (◦); and (8) mean recessional velocity gradient along the major axis (km s−1 mas−1),
where V ′R > 0 if velocities increase to the north.

masers as tracing the disk midline. As the midline of a flat (unwarped) disk would trace a line on the sky, we anticipate

a poor fit to the R1 masers, since they do not line up with the R2 and R3 masers (Fig. 3).

Accepting that some maser groups might not trace orbital motion but rather, say, outflow, we used a mixture model

to account for potential outliers (see, e.g., Geweke 2007; Hogg et al. 2010). Using the formalism commonly employed

for mixture modeling, the orbit model intended to fit most of the maser spots is the “foreground” (fg), and the model
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for outliers is the “background” (bg). As we have no prior knowledge of the kinematic behavior of potential outliers, we

model the background as a three-dimensional Gaussian distribution in sky positions and recessional velocity. The use

of a non-physical Gaussian background model has proven to be a robust method of identifying and separating outliers

from the foreground model in the absence of any prior constraints on the background (Press 1997; Hogg et al. 2010).

By itself, the background model introduces six (6) additional parameters: the means of the background coordinates

(Xbg, Ybg, Vbg) and their standard deviations (δXbg, δYbg, δVbg). The sums in the log posterior probability, Eq. B2,

now include terms both for the foreground and background models, with the foreground terms weighted by Pfg, the

probability that any given data point belongs to the foreground, and the background terms weighted by (1 − Pfg).
Here, Pfg is an additional fitted parameter. Ideally, the model provides a good description of all of the data, so

Pfg ≈ 1; however, we placed no prior constraints other than 0 ≤ Pfg ≤ 1. In addition, the probability that any single

maser spot belongs to the foreground model can be estimated post hoc from the MCMC results (cf. Hogg et al. 2010).

This estimate was used to identify the likely outliers for each kinematic model.

We used the MCMC code PyDREAM (Shockley et al. 2017) to perform the model fitting analysis. For each model,

we run PyDREAM with three parallel chains and N = 2× 105 iterations. To evaluate convergence, we calculated the

integrated autocorrelation time (IAT) for each chain of parameter values. The IAT is an estimate of the number of

MCMC samples between uncorrelated samples in the chain; put another way, N/IAT is an estimate of the number

of independent samples after accounting for autocorrelation within a chain of parameter values (Hogg & Foreman-

Mackey 2018). We used the function autocorr.integrated time from the emcee software package to calculate the

IAT (Foreman-Mackey et al. 2013). We consider models with N/IAT > 100 for all parameters to have converged. In

practice, the models converged in a few thousand iterations and N/IAT > 1000 for all parameters.

In Bayesian analysis, the marginal likelihood P (Q), sometimes called the evidence, is used for model selection. The

marginal likelihood is the probability of observing the dataQ given the model, and the model with the greater marginal

likelihood is preferred, as it better represents the data. We estimate the marginal likelihood using both the widely

applicable Bayes information criterion (WBIC), following the convention of Friel et al. (2017), and the thermodynamic

integration estimator (TIE; Gelman & Meng 1998; Neal 2000). As shown in Table 3, both estimators consistently and

clearly favor the spiral arms model for the disk masers.

REFERENCES

Anand, G. S., Lee, J. C., Van Dyk, S. D., et al. 2021,

MNRAS, 501, 3621, doi: 10.1093/mnras/staa3668

Antonucci, R. R. J., & Miller, J. S. 1985, ApJ, 297, 621,

doi: 10.1086/163559

Astropy Collaboration, Robitaille, T. P., Tollerud, E. J.,

et al. 2013, A&A, 558, A33,

doi: 10.1051/0004-6361/201322068

Bonanno, A., & Urpin, V. 2007, A&A, 473, 701,

doi: 10.1051/0004-6361:20077726

Cardelli, J. A., Clayton, G. C., & Mathis, J. S. 1989, ApJ,

345, 245, doi: 10.1086/167900

Chen, X., Sobolev, A. M., Ren, Z.-Y., et al. 2020, Nature

Astronomy, 4, 1170, doi: 10.1038/s41550-020-1144-x

Emmering, R. T., Blandford, R. D., & Shlosman, I. 1992,

ApJ, 385, 460, doi: 10.1086/170955

Fiebig, D., & Guesten, R. 1989, A&A, 214, 333

Foreman-Mackey, D., Hogg, D. W., Lang, D., & Goodman,

J. 2013, PASP, 125, 306, doi: 10.1086/670067

Forgy, E. W. 1965, Biometrics, 21, 768

Friel, N., McKeone, J. P., Oates, C. J., & Pettitt, A. N.

2017, Statistics and Computing, 27, 833

Gallimore, J. F., Baum, S. A., & O’Dea, C. P. 1996a, ApJ,

464, 198, doi: 10.1086/177311

—. 2004, ApJ, 613, 794, doi: 10.1086/423167

Gallimore, J. F., Baum, S. A., O’Dea, C. P., Brinks, E., &

Pedlar, A. 1996b, ApJ, 462, 740, doi: 10.1086/177187

Gallimore, J. F., Henkel, C., Baum, S. A., et al. 2001, ApJ,

556, 694, doi: 10.1086/321616

Gallimore, J. F., Elitzur, M., Maiolino, R., et al. 2016,

ApJL, 829, L7, doi: 10.3847/2041-8205/829/1/L7
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ABSTRACT
We present an X-ray spectro-polarimetric analysis of the bright Seyfert galaxy IC 4329A. The Imaging X-ray Polarimetry
Explorer (IXPE) observed the source for ∼ 500 ks, supported by XMM-Newton (∼ 60 ks) and NuSTAR (∼ 80 ks) exposures.
We detect polarisation in the 2–8 keV band with 2.97𝜎 confidence. We report a polarisation degree of 3.3 ± 1.1 per cent
and a polarisation angle of 78◦ ± 10◦ (errors are 1𝜎 confidence). The X-ray polarisation is consistent with being aligned with
the radio jet, albeit partially due to large uncertainties on the radio position angle. We jointly fit the spectra from the three
observatories to constrain the presence of a relativistic reflection component. From this, we obtain constraints on the inclination
angle to the inner disc (< 39◦ at 99 per cent confidence) and the disc inner radius (< 11 gravitational radii at 99 per cent
confidence), although we note that modelling systematics in practice add to the quoted statistical error. Our spectro-polarimetric
modelling indicates that the 2–8 keV polarisation is consistent with being dominated by emission directly observed from the
X-ray corona, but the polarisation of the reflection component is completely unconstrained. Our constraints on viewer inclination
and polarisation degree tentatively favour more asymmetric, possibly out-flowing, coronal geometries that produce more highly
polarised emission, but the coronal geometry is unconstrained at the 3𝜎 level.

Key words: galaxies: active – galaxies: Seyfert – polarisation – galaxies: individual: IC 4329A
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1 INTRODUCTION

Active galactic nuclei (AGNs) are powered by accretion of mate-
rial from the host galaxy onto the central supermassive black hole.
An optically thick, geometrically thin disc that radiates a multi-

© 2022 The Authors
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temperature blackbody spectrum peaking in the UV is thought to
be present (Shakura & Sunyaev 1973; Novikov & Thorne 1973),
whereas the X-ray spectrum is typically dominated by a power law
with high energy cut-off. The power-law component is thought to
result from Compton up-scattering of disc seed photons by a hot
thermal population of electrons in a cloud of moderate optical depth
(𝜏 ∼ 0.5 − 3) located close to the hole (Thorne & Price 1975; Sun-
yaev & Truemper 1979), commonly referred to as the corona. The
geometry and physical nature of the corona are still debated (e.g.
Poutanen et al. 2018). Proposed geometries include a patchy layer
sandwiching the disc (Galeev et al. 1979; Haardt et al. 1994; Stern
et al. 1995), a large scale-height accretion flow that forms inside of
a truncated disc (the truncated disc model; e.g. Eardley et al. 1975;
Veledina et al. 2011), and a compact or vertically extended region
at the base of the outflowing jet (Martocchia & Matt 1996; Henri &
Petrucci 1997; Miniutti et al. 2003; Markoff et al. 2005). Essentially
all of these models can reproduce the observed X-ray spectrum, and
so a new diagnostic is required to break the impasse.
Modelling of the reflection spectrum that results from coronal X-

rays irradiating the disc and being re-processed has provided hints.
The emergent spectrum includes a Compton hump at ∼ 20–30 keV
and an iron emission line at∼ 6.4 keV (Matt et al. 1991) that is broad-
ened and skewed by disc orbital motion and gravitational redshift
(Fabian et al. 1989). The line profile depends on the disc inclination
and inner radius as well as the radial dependence of illuminating
intensity (the emissivity profile), which in turn depends on the geom-
etry of the corona (e.g. size and radial/vertical extent). Studies that
parameterise the emissivity profile as a broken power law often infer
very centrally peaked irradiation (emissivity of 𝜖 (𝑟) ∝ 𝑟−𝑞 , where
𝑞 & 7), implying that the corona is very compact (e.g., Reynolds
2021). However, considering for example a radially stratified corona
approximated by two regions each with their own power-law index
and reflection spectrum can produce fits as good as those considering
a single compact corona (Basak et al. 2017).
Additionally including timing information can in principle break

degeneracies. Features consistent with reverberation lags – caused by
reflected photons taking a longer path than directly observed photons
– have been detected for ∼25 AGNs (Kara et al. 2016). Modelling
of these reverberation features provides a means to measure black
hole mass, but this measurement is likely dependent on the unknown
coronal shape (Mastroserio et al. 2020).
The Imaging X-ray Polarimetry Explorer (IXPE), which was

launched on 2021 December 9, provides the hitherto inaccessible
diagnostic of X-ray polarisation. IXPE is sensitive to 2–8 keV pho-
tons, and has so far observed four radio-quiet AGNs: the Circinus
galaxy (Ursini et al. 2023), MCG-05-23-16 (Marinucci et al. 2022),
NGC 4151 (Gianolli et al. 2023) and, most recently IC 4329A. IC
4329A (redshift 𝑧 = 0.0161,Willmer et al. 1991) is a Seyfert Type 1.2
galaxy (Véron-Cetty & Véron 2006), meaning that its optical spec-
trum includes both broad and narrow emission lines and its X-ray
spectrum is relatively un-obscured. This indicates in the unification
scheme (Urry & Padovani 1995) that the inclination angle is small
enough for our sight line to the supermassive black hole to not be
blocked by the dusty torus, such that we see X-rays directly from
the accretion flow and broad optical lines from gas rapidly orbiting
the black hole (the broad line region). A recent optical reverberation
campaign (Bentz et al. 2023) further backed up this hypothesis and
provided a black holemassmeasurement of𝑀 ≈ 7×107M� , broadly
consistent with earlier estimates (e.g. González-Martín & Vaughan
2012). An X-ray reverberation feature consistent with this mass has
been observed from the source (Kara et al. 2016). IC 4329A was
selected for an IXPE observation primarily because it is one of the

brightest AGN in the X-ray sky, with a 2–10 keV flux in the range
𝐹2−10 ∼ (0.1 − 1.8) × 10−10erg s−1 cm−2 (e.g., Beckmann et al.
2006). Optical images show that we view the host galaxy edge-on,
with the dust lane associated with the galaxy’s spiral arms cutting
across our view of the nucleus (Martin et al. 1982; Mehdipour &
Costantini 2018; Bentz et al. 2023). This implies that the AGN torus
is misaligned with the galaxy rotation axis, which could be due to
a past interaction with the nearby giant lenticular galaxy IC 4329;
although we note that such a misalignment is apparently fairly com-
mon (e.g. Schmitt et al. 1997; Nagar &Wilson 1999;Middleton et al.
2016).
Here,we present the results of an observing campaign on IC4329A

utilising IXPE as well as the X-ray Multi-Mirror Mission (XMM-
Newton) and the Nuclear Spectroscopic Telescope ARray (NuSTAR).
In Section 2, we detail our data reduction procedure. In Section 3
we present our polarimetric analysis as well as spectral and spectro-
polarimetric fits. In Section 4 we discuss our results in the context of
Comptonization models of polarisation and multi-wavelength obser-
vations of the system, and we summarise our results in Section 5.

2 OBSERVATIONS AND DATA REDUCTION

IXPE observed IC 4329A on 2023 January 5–15 (OBSID 01003601)
for a useful exposure time of 458 ks. During this observation,
XMM-Newton also observed the source on January 11–12 (OBSID
0890670201) for an exposure time of 62 ks, and NuSTAR observed it
on January 11–13 (OBSID 60701015002) for an exposure of 82 ks.
The following sub-sections detail the data reduction procedure we
employed for the three observatories. Throughout, we make use of
ftools from the heasoft package (v6.31.1).

2.1 IXPE

We downloaded cleaned level 2 event files, taken by the three Gas
Pixel Detectors (Costa et al. 2001), from the High Energy As-
trophysics Science Archive Research Center,1 that had been cali-
brated with the standard pipeline. We use the public tool ixpeobssim
(v30.0.0; Baldini et al. 2022) to extract Stokes parameters individ-
ually for the three detector units (DUs), employing the most recent
IXPE calibration database files (CALDB 20221020). We employ a
circular source region centered on the source with radius 60 arcsec.
The background region is an annulus, also centered on the source,
with inner and outer radii of 150 and 300 arcsec, respectively. These
regions are chosen such that the source region captures maximal
source photons and the background region is as large as possible
whilst avoiding source contamination.
We employ two methods to determine the polarisation in the 2–8

keV energy band. First is the pcube algorithm, which sums Stokes
parameters of individual events within the extraction region and
specified energy range. The polarisation degree (PD) relates to the
summed Stokes parameters 𝐼, 𝑄 and 𝑈 as 𝑝 =

√︁
(𝑄/𝐼)2 + (𝑈/𝐼)2,

and the polarisation angle (PA) is 𝜓 = (1/2) arctan(𝑈/𝑄) (i.e. in
this notation, 𝑄 and 𝑈 are corrected for the modulation factor). Un-
certainties are calculated using standard formulae (Muleri 2022).
We extract summed Stokes parameters separately from the source
and background regions for each DU. Taking advantage of the lin-
ear properties of Stokes parameters, we combine DUs by summing

1 https://heasarc.gsfc.nasa.gov/docs/ixpe/analysis/
IXPE-SOC-DOC-009-UserGuide-Software.pdf
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Stokes parameters and account for background by subtracting the
background region Stokes parameters from the source region Stokes
parameters. We combine uncertainties by summing in quadrature.
The secondmethod is to extract 𝐼,𝑄 and𝑈 source and background

spectra for each DU using the pha algorithm. We group the𝑄 and𝑈
spectra into energy bins 0.2 keV wide, and for 𝐼 instead employ the
native energy bins of width 0.04 keV. We extract 𝐼, 𝑄 and𝑈 spectra
employing both ‘weighted’ and ‘unweighted’ methods. A weighted
analysis gives extra weight to events with better characterised photo-
electron tracks (DiMarco et al. 2022), whereas this extra information
is ignored in an unweighted analysis. Finally, we also extractweighted
𝐼, 𝑄 and 𝑈 spectra from event files filtered using the background
rejection method of Di Marco et al. (2023).
Using xspec v12.12.1 (Arnaud 1996), we fit the model

TBabs × const × polconst × po, (1)

simultaneously to 𝐼, 𝑄 and 𝑈 spectra. Here, TBabs (Wilms et al.
2000) represents line of sight absorption, for which we fix the hydro-
gen column density to 𝑁H = 4.1 × 1020 cm−2 (HI4PI Collaboration
et al. 2016). The constant const accounts for cross-calibration be-
tween different DUs. It is therefore tied between 𝐼, 𝑄 and 𝑈 of the
same DU, but allowed to differ between DUs. po is simply a power
law (specific photon flux ∝ 𝐸−Γ). polconst imparts a constant (i.e.
independent of energy) PD and PA to the model it operates on. We
fit the above model simultaneously to all IXPE DUs, leaving free the
power-law index and normalisation, the calibration constants, and
the PD and PA. Although we consider the three DUs separately in
the fits, we combine them in plots for clarity.

2.2 XMM-Newton

XMM-Newton observed the source with the EPIC CCD cameras: the
pn (Strüder et al. 2001) and the two MOS (Turner et al. 2001), oper-
ated in small window and medium filter mode. Data from the MOS
detectors are not included in our analysis due to pile-up. The data
from the pn camera show no significant pile-up as indicated by the
epatplot output. The extraction radii and the optimal time cuts for
flaring particle background were computed with SAS 20 (Gabriel
et al. 2004), via an iterative process which leads to the maximiza-
tion of the Signal-to-Noise Ratio (SNR) in the 0.5–10 keV energy
band, similar to the approach described in Piconcelli et al. (2004).
The resulting optimal extraction radii for the source and the back-
ground spectra are 40 and 50 arcsec, respectively. The net exposure
time for the pn time-averaged spectrum is 61.7 ks. The keyword
applyabsfluxcorr=yes was applied in the arfgen task to cor-
rect the pn effective area, removing residuals between simultaneous
XMM-Newton pn and NuSTAR spectra.

2.3 NuSTAR

NuSTAR (Harrison et al. 2013) observed the source with its two co-
aligned X-ray telescopes with corresponding Focal Plane Module A
(FPMA) and B (FPMB). The Level 1 data products were processed
with theNuSTARDataAnalysis Software (NuSTARDAS) package (v.
2.1.2). Cleaned event files (level 2 data products) were produced and
calibrated using standard filtering criteria with the nupipeline task
and the calibration files available in the NuSTAR calibration database
(CALDB 20220510). Extraction radii for the source and background
spectra were 40 and 60 arcsec, FPMA spectra were binned in order
not to over-sample the instrumental resolution more than a factor of
2.5 and to have a SNR greater than 5 in each spectral channel, the

same energy binning was then applied to the FPMB spectra. The
net observing times for the FPMA and the FPMB data sets are 82.4
and 81.5 ks, respectively. FPMA and FPMB spectra are considered
separately for the purposes of spectral fitting, but are combined in
plots for clarity.

3 RESULTS

3.1 X-ray polarisation

We first measure the 2–8 keV polarisation using the model-
independent pcube algorithm on unweighted data. We find 𝑝 =

3.4 ± 1.6 per cent and 𝜓 = 64◦ ± 13◦ (1𝜎 uncertainties) for the PD
and PA, and we plot statistical confidence contours in Fig. 1 (blue
lines).
Currently, pcube does not feature the functionality to improve

signal to noise by including event weights. Therefore to make use
of a weighted analysis, we employ the alternative method of fitting
weighted 𝐼, 𝑄 and 𝑈 spectra (produced utilising the background re-
jection method) with a simple spectro-polarimetric model (Equation
1) within xspec. The best-fitting reduced 𝜒2 is 𝜒2/d.o.f. = 659/614.
This is an acceptable fit, althoughwe note that a more complexmodel
is required when we also include XMM-Newton and NuSTAR data
(see the following two sections).
We find 𝑝 = 3.3 ± 1.1 per cent and 𝜓 = 78◦ ± 10◦ (1𝜎 errors

for a single parameter of interest), and plot the confidence contours
as block colours in Fig. 1. We see that, as expected, the results are
consistent with the pcube method but with smaller uncertainties.
The 99 per cent contour (representing 3𝜎 for a two dimensional
distribution) still does not quite close, meaning that we fall just short
of a 3𝜎 detection of polarisation. The formal confidence is 98.78 per
cent, or 2.97𝜎. The 3𝜎 upper limit on the PD is 6.2 per cent.
As a check, we also performed the fitting technique on unweighted

data extracted without the background rejection method (Di Marco
et al. 2023) and find results very close (𝑝 = 3.7 ± 1.2 per cent,
𝜓 = 71◦ ± 10◦) to those yielded by pcube. We also find that using
or not using the background rejection method has no effect on the
results within our chosen rounding convention.

3.2 X-ray spectrum

We jointly fit the IXPE, NuSTAR and XMM-Newton Stokes 𝐼 spectra.
We consider the usual energy ranges of 2–8 keV and 3–79 keV
for IXPE and NuSTAR, respectively. For XMM-Newton, we consider
the energy range 2–10 keV, leaving the more involved treatment of
ionised absorbers necessary to reproduce the soft X-rays (Mehdipour
& Costantini 2018) to future work. We employ the following model,
referred to hereafter as Model 1:

mbpo×zTBabs×TBabs×[nthComp+relxillCp+xillverCp] . (2)
Here, nthcomp (Zdziarski et al. 1996; Życki et al. 1999) represents
radiation produced by thermal Compton up-scattering in the corona,
relxillCp (García et al. 2014) represents relativistic reflection from
the accretion disc, and xillverCp (García et al. 2013) represents
non-relativistic reflection from the distant molecular torus. tbabs
(Wilms et al. 2000) represents line of sight absorption within our
Galaxy (we continue to fix 𝑁H = 4.1×1020 cm−2), whereas ztbabs
represents absorption within the host galaxy, perhaps including ma-
terial local to the AGN. For this we leave the column density as
a free parameter. Finally, mbpo (Ingram et al. 2017) is required to
circumvent cross-calibration discrepancies between the three obser-
vatories. It multiplies the total model by a broken power law with
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Figure 1. Constraints on the PD and PA (measured east of north) in the 2–8
keV band. Contours at 68, 90 and 99 per cent confidence levels are shown.
Blue lines result froman unweighted analysiswith thepcube algorithm.Block
colours result from aweighted spectro-polarimetric analysis within xspec that
additionally makes use of the new background rejection method. We see that
the weighted analysis provides consistent but more tightly constrained results.

index ΔΓ1 for 𝐸 < 𝐸br and ΔΓ2 for 𝐸 > 𝐸br. A single correc-
tive power law (e.g. ΔΓ1 = ΔΓ2) has previously been required to
jointly model XMM-Newton and NuSTAR data (Ingram et al. 2017),
whereas a broken power law has been required to obtain agreement
between IXPE and other observatories such as NICER and NuSTAR
(Krawczynski et al. 2022). For ΔΓ1 = ΔΓ2 = 0, the model simply
reduces to a multiplicative calibration constant.
We achieve a goodfitwith 𝜒2/d.o.f. = 1093/1047. The best-fitting

parameters are presented in Table 1. In Fig. 2 we plot the unfolded
spectrum (a), the model spectrum with separate components (b) and
the contributions to fit statistic 𝜒 (d). In our best-fitting model, ∼66
per cent of the 2–8 keV photons are from the direct component,
∼33 per cent are from the relativistic reflector, and ∼ 1 per cent
are from the distant reflector. All three components are required
with high statistical significance. Fitting with only nthcomp yields
𝜒2/d.o.f. = 1794/1054. Including the distant reflector reduces this
to 𝜒2/d.o.f. = 1131/1051, and finally also including the relativistic
reflector yields the best fit model (5.1𝜎 significance, p-value of 3.7×
10−7, according to an F-test). We calculate errors on our best-fitting
model parameters by running aMarkov ChainMonte Carlo (MCMC)
simulation within xspec. We employ the Goodman & Weare (2010)
algorithm with 256 walkers and a total length of 307,200 steps after
a burn-in period of 19,200 steps.
The only free parameters of the nthcomp component are the pho-

ton indexΓ, the electron temperature 𝑘𝑇e and the normalisation norm.
For computational convenience, we include nthcomp into our model
via relxillCp with the reflection fraction parameter (refl_frac)
set to zero. This returns the illuminating continuum (nthcomp) in
exactly the same normalisation as that used for the reflection calcu-
lation. This choice therefore makes it straight forward to interpret
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Figure 2. Spectral energy distribution for Model 1 (Equation 2). (a) Best-
fitting spectral model (black) with unfolded data. (b) Best-fitting model only
(black) with individual components (grey). From top to bottom these are
nthcomp, relxillCp and xillverCp. (c) Unfolded Stokes𝑄 (cyan circles)
and𝑈 (magenta triangles) observed by IXPE with best-fitting model (black
lines, top is𝑈 and bottom is𝑄). (d) Contributions to fit statistic 𝜒. 𝑑𝑁 /𝑑𝐸
is in units of photons cm−2 s−1 keV−1.

the reflection fraction parameter of the relativistic and distant re-
flection components. The seed photon temperature is hardwired to
𝑘𝑇bb = 0.05 keV in the xillverCp grid, which is appropriate for
an AGN, for which the low energy break is expected to be beyond
the low energy bandpass of our observations. Our measured value of
Γ agrees with previous studies (e.g. Brenneman et al. 2014a). Our
inferred electron temperature broadly agrees with previous NuSTAR
and Suzaku observations (Brenneman et al. 2014a,b).
For the relativistic reflector (relxillCp), we tie Γ, 𝑘𝑇e and
norm to their nthcomp values, fix the reflection emissivity profile to
𝜖 (𝑟) ∝ 𝑟−3 and freeze the disc density to 𝑛e = 1015 cm−3. We freeze
the black hole spin parameter to its maximum value of 𝑎 = 0.998
and leave the disc inner radius 𝑟in free. This enables us to explore the
widest possible range of 𝑟in values without it becoming smaller than
the innermost stable circular orbit (ISCO) during the fitting proce-
dure. Although the spin itself does influence the model outputs via
the photon geodesics, these are very subtle higher order effects. The
other free parameters are inclination angle 𝑖, the logarithm of the
ionisation parameter log b (where b is in units of erg cm s−1, and we
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Table 1. The best-fitting Model 1 (Equation 2) parameters from our joint
spectral analysis.

Model 1
zTBabs×TBabs×(nthcomp + relxillCp + xillverCp)
Component Parameter Units Value
zTBabs 𝑁H 1022 cm−2 0.61+0.06−0.05
TBabs 𝑁H 1022 cm−2 ≡ 0.041
nthcomp Γ 1.66+0.02−0.01

𝑘𝑇bb keV ≡ 0.05
𝑘𝑇e keV 39+11−9
norm 10−4 4.2+0.3−0.2

relxillCp 𝑖 deg 3.0+23−3
𝑎 ≡ 0.998
𝑟in 𝑟g 2.1+1.3−0.7
log b 4.4+0.11−0.11
𝐴Fe solar 8.3+1.5−3.0
𝑛e 1015 cm−3 ≡ 1
𝜖 (𝑟 ) ≡ 𝑟−3

𝑓refl 0.25+0.13−0.11
xillverCp 𝑓refl 0.16+0.05−0.03

Δ𝑧 10−3 7.33+0.94−1.88
log b ≡ 0
Cross-calibration

mbpo ΔΓ1 ≡ 0
NuSTAR FPMB N 1.04+0.01−0.01

mbpo ΔΓ1 10−2 0.30+1.4−1.2
XMM EPIC-pn 𝑁 0.75+0.01−0.01

mbpo ΔΓ1 10−2 −11+3−2
IXPE DU1 𝑁 0.71+0.01−0.01
mbpo ΔΓ1 10−2 −9.8+3.4−2.9

IXPE DU2 ΔΓ2 −4.6+3.1−4.4
𝐸br keV 6.8+0.5−0.3
𝑁 0.66+0.02−0.02

mbpo ΔΓ1 10−2 −9.7+3.6−4.1
IXPE DU3 ΔΓ2 −1.0+0.7−1.6

𝐸br keV 6.0+1.3−0.8
𝑁 0.65+0.02−0.03

Note: Errors are 90 per cent confidence, and a ≡ symbol indicates that the
parameter is fixed/hardwired. Reduced 𝜒2 is 𝜒2/d.o.f. = 1093/1047. A
gravitational radius is 𝑟g = 𝐺𝑀/𝑐2. The 3–79 keV NuSTAR FPMA flux is
𝐹3−79 = 2.7 × 10−10 erg s−1 cm−2, corresponding to isotropic luminosity
𝐿3−79 = 1.5 × 1044 erg s−1 assuming a Hubble constant of
𝐻0 = 70 km s−1Mpc−1. The 2–8 keV IXPE DU1 flux is
𝐹2−8 = 5.3 × 10−11 erg s−1 cm−2.

take log to mean log to the base 10 throughout), the iron abundance
relative to solar 𝐴Fe, and the reflection fraction 𝑓refl. We set the re-
flection fraction to a negative value within the model, meaning that
the code outputs the reflected component only (conversely, a positive
value returns the sum of direct and reflected components). Treating
direct and reflected components separately in xspec will later allow
us to assign different polarisation properties to each of them. In the
tables, we convert the reflection fraction back to a positive value. Low
inclination and a small disc inner radius are preferred, but the contour
plot in Fig. 3 shows that a wide range of values are acceptable within
3𝜎 confidence. Our constraints are consistent with earlier analyses
that used the less sophisticated disklinemodel on ASCA data. Nan-
dra et al. (1997) found 𝑖 < 24◦ (1 𝜎) whilst freezing 𝑟in = 6 𝑟g, and
Done et al. (2000) inferred a mildly truncated disc whilst achieving
equally good fits for a range of different inclinations. For the distant
reflector, we tie Γ, 𝑘𝑇e, norm and 𝐴Fe to their relxillCp values,
freeze log b = 0 and leave 𝑓refl as a free parameter.
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Figure 3. Constraints on the inclination angle 𝑖 and the disc inner radius 𝑟in
based on our Model 1 spectral fit. The 1, 2, and 3𝜎 confidence contours are
shownwith black, red and blue curves, respectively. The best fit is represented
by a black cross.

The best-fitting values for log b and 𝐴Fe are both rather large.
Indeed, at log b ≈ 4.4 we may expect the disc to be over-ionized
such that no features are present in the reflection spectrum. However,
Fig. 2b shows that a broad iron line and Compton hump can still be
seen in the spectrumof the relativistic reflector (second grey line from
the top), which occurs because the reflection features are boosted by
the very high iron abundance. This combination of parameters is
likely the result of the model mimicking some physics that we are
not currently including (see Section 4 for a detailed discussion on
this)
Throughout we fix the redshift to 𝑧 = 0.016054 (Willmer et al.

1991), except for that of the XMM-Newton and NuSTAR xillverCp
components, which we tie together but leave free in order to cir-
cumvent some apparent calibration issues (presumably with the gain
scale). The resulting small shift to the narrow iron line from the
known redshift of Δ𝑧 ≈ 7 × 10−3 enormously improves the fit
(Δ𝜒2 = 34, 5.7𝜎 improvement according to an F-test), likely in-
dicating a small error in the XMM-Newton and NuSTAR gain scales.
High resolution Chandra spectroscopy of IC 4329A has previously
confirmed that the most prominent narrow iron line is at ≈ 6.3 keV
(McKernan & Yaqoob 2004), which is as expected for neutral iron
emission (6.4 keV in the rest frame) redshifted by the known redshift
of the host galaxy. In our fits, the narrow line is instead at ≈ 6.26
keV. Moreover, when the XMM-Newton and NuSTAR models are
allowed to have different redshifts to one another, 𝜒2 once again im-
proves significantly, with the redshift being greater for NuSTAR and
both being significantly discrepant with the host galaxy value. No
other parameters are affected though. A very similar issue is seen in
XMM-Newton and NuSTAR data taken as part of IXPE campaigns on
two other Seyfert 1 galaxies: MCG-05-23-16 (Marinucci et al. 2022;
Tagliacozzo et al. in prep) and NGC 4151 (Gianolli et al. 2023).
Table 1 lists the best-fitting parameters of the cross-calibration

model mbpo.We arbitrarily takeNuSTAR FPMA as the ‘ground truth’
and find that we only need to multiply the FPMBmodel by a constant
to achieve acceptable agreement with the FPMA. We multiply the
XMM-Newtonmodel by a single power law (ΔΓ2 = ΔΓ1) and find that
the indexΔΓ1 is small and consistent with zerowithin 1𝜎 confidence.
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Figure 4. Best fitting Model 2 spectrum (top) and residuals to IXPE (red),
NuSTAR (blue) and XMM-Newton (green) data. Different lines represent the
total model (black solid), cut off power law (dotted), pexriv (dot-dashed),
laor (solid), and the narrow Gaussian (dashed).

Table 2. Coronal PD (𝑝comp) and PA (𝜓comp) inferred from our spectro-
polrimetric fits for different modelling assumptions.

Model 𝑝comp (%) 𝜓comp (deg)
a) Model 1, 𝑝ref = 0 5.0 ± 2.6 78 ± 15
b) Model 2, 𝑝ref = 0 3.4 ± 1.7 78 ± 15
c) Model 2, 𝜓ref = 𝜓comp + 90◦ 4.4 ± 1.9 78 ± 14
c) Model 2, 𝜓ref = 𝜓comp 3.4 ± 1.7 78 ± 15

Note: Errors are 1𝜎. The confidence contours corresponding to each model
are plotted in Fig. 5.

For IXPE, we find that only a single corrective power law is required
for DU1, whereas broken power-laws are required for DU2 and DU3
(as is also found for Cygnus X-1; Krawczynski et al. 2022). This
indicates that the effective area of DU2 and DU3 drops off above
𝐸 ∼ 7 keV more steeply than the current calibration files suggest
(and this is currently being investigated by the calibration team),
although the slope (i.e. ΔΓ2) is poorly constrained by our fits due
to the lack of photons with these energies. The lack of 𝐸 > 7 keV
photons also means that this calibration issue has no influence on the
measured polarisation.

3.3 Spectro-polarimetric fit

We now include IXPE Stokes 𝑄 and 𝑈 into our spectral fit. We
first extend Model 1 by assigning a constant (i.e. independent of en-
ergy) PD and PA to each component with the polconst convolution
model. Because the direct coronal emission contributes the most 2–8
keV flux (66 per cent of the total), we first freeze the PD of both
reflection components to zero and leave the nthcomp PD and PA as
free parameters. Fitting this model to the spectral-polarimetric data
gives 𝜒2/d.o.f. = 1267/1219. The best-fitting model spectrum and
unfolded data for Stokes 𝑄 and 𝑈 are shown in Fig. 2c. All spectral
parameters are almost completely unchanged from the values quoted
in Table 1.
The resulting coronal PD and PA values are quoted in Table 2 (top

row), and their confidence contours are plotted in Fig. 5a. We see
that the coronal PA here is consistent with the overall 2–8 keV PA
presented in Fig. 1, whereas the PD is larger, as are the uncertainties.

a) Model 1
𝑝ref= 0

c) Model 2
𝜓ref = 𝜓comp + 90°

d) Model 2
𝜓ref = 𝜓comp

b) Model 2
𝑝ref = 0

Figure 5. Constraints on the coronal PD (𝑝comp) and PA (𝜓comp) for different
modelling assumptions. Three contours correspond to the 68, 90 and 99
per cent confidence levels. (a) Results for Model 1 assuming zero PD of
the reflection component 𝑝ref = 0. (b) Results for Model 2, also assuming
𝑝ref = 0. (c) Results for Model 2 with 𝜓ref = 𝜓comp + 90◦ and 𝑝ref free to
vary. (d) Results for Model 2 with 𝜓ref = 𝜓comp and 𝑝ref free to vary. 𝑝ref is
unconstrained whenever it is left free to vary in the fit.

This is because we have assumed the reflection components, which
contribute ∼ 34 per cent of the 2–8 keV flux, to be unpolarised. The
resulting dilution increases the best-fitting coronal PD by a factor
∼ 1/0.66.
Model 1 is not adequate to explore polarised reflection compo-

nents, because the iron line should only be very weakly polarised2
whereas the reflection continuum can be highly polarised (e.g. Matt
1993; Poutanen et al. 1996; Dovčiak et al. 2011). To enable us to
separate out the iron line from the reflection continuum, we define a
new spectral model that we dub Model 2:

mbpo×ztbabs×tbabs×[cutoffpl+pexriv+laor+gauss] . (3)

2 Fluorescence photons are initially unpolarised, but can pick up a small
degree of polarisation via scatterings as they propagate out of the disc atmo-
sphere.

MNRAS 000, 1–12 (2022)



X-ray polarisation of IC 4329A 7

Table 3. The best-fitting Model 2 (Equation 3) parameters from our joint
spectral analysis.

Model 2
zTBabs×TBabs×(cutoffpl + pexriv + laor + gauss)
Component Parameter Units Value
zTBabs 𝑁H 1022 cm−2 0.52+0.05−0.04
TBabs 𝑁H 1022 cm−2 ≡ 0.041
cutoffpl Γ 1.74+0.02−0.02

𝐸cut keV 395+194−80
norm 10−2 2.14+0.070.07

pexriv 𝑓refl 0.22+0.06−0.04
b erg cm s−1 82+112−62

laor 𝐸line keV 6.26+0.01−0.02
𝑖 deg 17+28−15
𝑎 ≡ 0.998
𝑟in 𝑟g 2.8+3.3−1.4
𝜖 (𝑟 ) ≡ 𝑟−3

norm 10−5 5.0+3.2−2.4
gauss norm 10−5 6.38+0.57−0.86

Note: Errors are 90 per cent confidence. Reduced 𝜒2 is
𝜒2/d.o.f. = 1110/1047. The mbpo cross-calibration parameters are
consistent with their Model 1 values (Table 1). We allow the iron line
centroid energy 𝐸line to be a free parameter to circumvent the calibration
discrepancies also encountered when fitting Model 1.

The direct coronal emission is now represented by an exponentially
cut-off power law, pexriv (Magdziarz & Zdziarski 1995) represents
polarised reflection (i.e., unlike xillverCp, the pexriv spectrum
does not include an iron line), laor (Laor 1991) is a relativistic
iron line and the narrow (width fixed to 0.05 keV) Gaussian is the
iron line from the distant reflector. This model is less sophisticated
as a spectral model, but enables us to treat the polarisation of the
lines separately to other aspects of the reflection signals. When we
fit this model to the joint XMM-Newton, NuSTAR and IXPE Stokes 𝐼
data, we achieve a fit of similar quality with 𝜒2/d.o.f. = 1110/1047.
The best-fitting Model 2 parameters are quoted in Table 3, and the
best fitting model is plotted in Fig. 4. Fitting Model 2 without the
laor component yields 𝜒2/d.o.f. = 1125/1050, meaning that the
relativistically broadened iron line is required with 3.1𝜎 confidence
(according to an F-test). Moreover, the best-fitting 𝑟in and 𝑖 values
agree between Model 1 and 2.
Although the iron line is consistent betweenModel 1 andModel 2,

the reflection continuum is quite different, with the direct continuum
contributing 97 per cent of the 2–8 keV flux for Model 2 as opposed
to 66 per cent for Model 1. This is because Model 2 makes the
crude approximation that the reflection continua of the two reflection
components can simply be summed together and represented by one
pexriv component. In reality, we expect the relativistic reflector to
be highly ionised and the distant reflector to be approximately neutral.
This behaviour is captured byModel 1,with therelxillCp spectrum
being much softer than the xillverCp spectrum due to its higher
ionisation parameter. Model 2 is not as flexible: the fit can either
choose a low ionisation to reproduce the distant reflection continuum
or a high ionisation to reproduce the relativistic reflection continuum.
The best fitting ionisation parameter is low (b ≈ 80 erg cm s−1), and
thus the pexriv contribution is very small in the soft X-rays.We tried
including an extra neutral reflection continuum inModel 2 (pexrav),
but this model proved highly degenerate.
We then include the Stokes 𝑄 and 𝑈 spectra into our Model 2

fit, again by convolving each additive spectral component with

polconst. We freeze the polarisation of the two line components
(laor and gauss) to zero and try several assumptions for the PD
and PA of the direct and reflected components: 𝑝comp, 𝜓comp, 𝑝ref
and 𝜓ref . The resulting confidence contours for 𝑝comp and 𝜓comp are
plotted in Fig 5b-d, and their values are quoted in Table 2. Panel b
shows the results assuming 𝑝ref = 0. We see that the PA is consistent
with the Model 1 result (panel a), but the PD is now smaller. This
is because of the much smaller 2–8 keV contribution from reflection
in the Model 2 fit (3 per cent as opposed to 34 per cent). The di-
lution from the unpolarised component is therefore smaller and the
coronal PD comes out at a similar value to the overall 2–8 keV PD.
Panel c shows the results assuming direct and reflected components
are polarised perpendicular to one another, as would be expected if,
for example, the corona is vertically extended. In this case, the total
polarised flux is the difference between that of the two spectral com-
ponents. The coronal PD is therefore larger than in panel b to offset
this subtraction. The PD of the reflection component is completely
unconstrained (all values from 0 to 100 per cent are acceptable within
1𝜎 confidence), and the small difference between panels b and c il-
lustrates that its best-fitting value is small. Panel d presents the results
assuming the two components have parallel polarisation (as would
occur if, for example, the corona is radially extended), meaning that
the polarised flux is summed over the two components. The coronal
PD is therefore slightly smaller than in panel b, due to a small (al-
beit still completely unconstrained) contribution from the reflection
component.

4 DISCUSSION

4.1 Multi-wavelength comparison

Although not significant above the 3𝜎 level, we find that the 1𝜎
confidence range on the 2–8 keV PA of IC 4329A is 𝜓 = 78◦ ± 10◦.
Our spectro-polarimetric analysis yields similar constraints on the
PA of the corona. Optical and infrared polarisation (Wolstencroft
et al. 1995) instead align with the ≈ 45◦ position angle of the galaxy
disc (see, e.g., Fig. 1 of Bentz et al. 2023), indicating that it is con-
sistent with dust scattering in the galactic dust lane. Radio emission
can be seen to extend along the position angle ∼90◦ in the highest
resolution 1.5GHz and 5GHz Very Large Array (VLA) images in
the literature (Unger et al. 1987, beam diameters ∼ 3′′ and ∼ 1.5′′,
respectively). These images resemble a marginally resolved jet, with
extended emission appearing only to the West of the core.
In Fig. 6, we present a high resolution (beam diameter ∼ 0.07′′,

corresponding to ∼ 10 pc) 100 GHz image of IC 4329Amade from a
September 2021 observation by the Atacama Large Millimeter/sub-
millimeter Array (ALMA).3 We see that the extended emission is
consistent with the ∼ 90◦ position angle inferred from longer wave-
length images, but also with our measured ∼ 78◦ X-ray PA (black
dotted lines). We again see extended emission on only one side, but
unlike at 1.5 and 5 GHz, the extension is to the East of the core, not
the West. It therefore seems unlikely that the jet is one sided due to

3 The observations were taken under the programme 2019.1.00580.S (PI:
Y. Inoue) with a total integration time of 254 s. We used public pipeline-
processed data products from the ALMA archive, reduced using casa ver-
sion 6.2.1.7. Three spectral windows were combined, and the imaging was
done using the casa task TCLEAN, adopting a Briggs weighting scheme with
a robustness parameter of 0.5. The 12-m array configuration used for the
observations allow a maximum recoverable scale of 1.2′′, so the images are
not sensitive to any emitting structures larger than this.
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Figure 6. ALMA image of IC 4329A at 100 GHz. The colour scheme runs
from twice the noise level up to the peak value of the core, with square-
root scaling. Contours are 4, 10, 20, 80 and 100 times the noise level. The
Gaussian restoring beam (plotted bottom-left) is 0.07′′×0.065′′ with a major
axis position angle of 85◦. The black dotted lines demonstrate position angles
of 78◦ and 90◦ (measured east of north).

Doppler boosting of the approaching jet and Doppler suppression of
the receding jet, in which case the extension would be on the same
side for all different scales imaged. It is instead more likely that the
intrinsic brightness of the jet is not uniform, perhaps with regions of
enhanced radio emission corresponding to over-densities that the jet
is passing through.
We conclude that the X-ray polarisation is broadly consistent with

the jet direction, as is observed more conclusively for the black hole
X-ray binary Cygnus X-1 (Krawczynski et al. 2022), the neutron star
X-ray binary Cygnus X-2 (Farinelli et al. 2023) and the AGN NGC
4151 (Gianolli et al. 2023). Fig. 6 provides a tentative hint that the
small scale jet imaged at 100 GHz aligns with the X-ray PA, with the
jet perhaps bending around to ∼ 90◦ on the larger scales probed by
the VLA images. Even if we take 90◦ as the most likely jet position
angle, we find that forcing the X-ray polarisation to be parallel or
perpendicular to it gives 99 per cent confidence ranges on the PD
of respectively 3.0 ± 2.9 per cent and < 1.2 per cent. A radially
extended corona (which would be polarised parallel to the jet) is
therefore much more compatible with our results than a vertically
extended corona (which would be polarised perpendicular to the jet).

4.2 Spectral fits

We fit two models to the IXPE, XMM-Newton and NuSTAR spectra.
In Model 1, the relativistic and distant reflection components are
modelled respectively with relxillCp and xillverCp. Model 2
instead uses laor for the relativistic iron line, a Gaussian for the
narrow line, and pexriv for the remainder of the reflection spectrum.
Both models prefer a small disc inner radius (𝑟in ≈ 2 𝑟g) and low
inclination (at 90 per cent confidence, 𝑖 < 26◦ for Model 1 and 𝑖 <
45◦ forModel 2), albeit with rather large statistical uncertainties (Fig.

3), and potentially larger systematic uncertainties. The relativistic
component is statistically required for both models. The relxillCp
component is required in Model 1 with 5.1𝜎 significance. However,
it is not possible to disentangle whether it is the broad iron line
itself that is required in the Model 1 fit, or whether it is instead
the contribution of relxillCp to the broadband continuum. It is
therefore encouraging that the laor component is also required in
theModel 2 fit (3.1𝜎 confidence), providing an indication that a broad
line is indeed present in the data. It is also somewhat encouraging
that Models 1 and 2 return consistent estimates of 𝑟in and 𝑖.
The ionisation parameter of the relativistic reflector and the iron

abundance of both reflectors are uncomfortably high in the Model
1 fit. Exploration of parameter space reveals that this combination
of parameters is driven by the Compton hump being relatively weak
given the strength of the narrow iron line and the relatively hard
illuminating spectrum. When we untie the iron abundance of the two
reflectors, 𝐴Fe of the distant reflector increases further. When we
instead replace the distant reflector with a narrow Gaussian iron line,
such that only the relativistic reflector contributes a Compton hump,
the high log b and 𝐴Fe values persist for the relativistic reflector.
The high iron abundance therefore appears to be driven by both
the relativistic and distant reflectors. We find that an acceptable fit
(𝜒2/d.o.f. = 1107/1048) can be achieved by fixing abundance and
ionisation to reasonable values (𝐴Fe = 1 and log b = 3.6) when we
untie the photon index of the illuminating spectrum from the observed
value. In this fit, the disc sees a softer coronal spectrum (Γ ≈ 2.2)
than we see (Γ ≈ 1.7), which is physically plausible because we are
viewing from a low inclination angle whereas the disc is viewing
from 𝑖 ∼ 90◦. The softer illuminating spectrum enables the iron lines
to be stronger with respect to the Compton humps without the need
for strongly super-solar iron abundance.
A highly super-solar iron abundance is a common feature of reflec-

tion fits in the literature (García et al. 2018), and has previously been
shown to be at least partially remedied by considering higher disc
densities (Tomsick et al. 2018), at least in the case of X-ray binaries.
However, here we ignore the 𝐸 < 2 keV energy range that is most
sensitive to the density (although we note that reflection models still
have some sensitivity to density for 𝐸 > 3 keV; Ingram et al. 2022;
Liu et al. 2023) and thus choose to fix it to the canonical value for
AGNs of 𝑛e = 1015 cm−3. Moreover, here we assume a single ion-
isation parameter throughout the disc, whereas in reality we expect
the ionisation parameter to be a function of radius (Svoboda et al.
2012; Ingram et al. 2019).
Whereas consistent disc inclination and inner radius values are

returned for all the models we explore, we find that different models
return different values of the coronal electron temperature. ForModel
1, it is 𝑘𝑇e ≈ 40 keV, whereas for Model 2, it can be estimated from
the exponential cut off as 𝑘𝑇e ≈ 𝐸cut/2 ≈ 200 keV. The discrepancy
likely comes from the dependence of the shape of the reflection
spectrum on 𝑘𝑇e (García et al. 2015). We must therefore consider a
range of electron temperature values when comparing the observed
polarisation to coronal models.

4.3 Coronal geometry

The measured PA being roughly aligned with the radio jet favours
models in which the corona is radially extended in the plane of
the disc, assuming that any misalignment between the jet and the
disc rotation axis is small. We can in principle differentiate between
different radially extended geometries using the PD (Ursini et al.
2022), whichwemeasure to be 𝑝 = 3.3±1.1 per cent (1𝜎 confidence)
in the 2–8 keV band. In Fig. 7, we plot the predicted PD of various
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Figure 7. PD of various coronal geometries as a function of the cosine of the inclination angle. For all geometries considered, the PA is perpendicular to the
disc plane. The hatched areas represent the observed PD and inclination at 90 per cent (cyan) and 3𝜎 (grey) confidence. Left: A slab corona extending from
6𝑟g to 100𝑟g, calculated using iterative radiative transfer solver COMPPS for three values of electron temperature. Static (circles) and out-flowing (triangles)
configurations are considered. Right: Slab and wedge coronal geometries, calculated using the Monte Carlo code MONK, assuming a static corona with an electron
temperature of 𝑘𝑇e = 40 keV. The slab extends to the ISCO, and two values of black hole spin are considered: 𝑎 = 0 (black circles, same case as solid black
line in the left panel) and 𝑎 = 0.998 (red squares). The wedge has opening angle of 45◦ and outer radius 25 𝑟g, and two assumptions are made about the disc:
extending to the ISCO (magenta stars), and truncated at 25 𝑟g (blue triangles).

coronal geometries as a function of the cosine of inclination angle.
The hatched areas represent the 90 per cent (cyan) and 3𝜎 (grey)
confidence regions of the 2–8 keV PD measured by IXPE, and the
inclination angle returned fromourModel 1 spectral fit. Our low best-
fitting inclination (the 90 per cent statistical upper limit is 𝑖 < 26◦,
although there are surely also systematic uncertainties, which are
hard to quantify) agrees with previous estimates of the inclination to
the inner disc and broad line region (Marin 2014; Bentz et al. 2023),
and with the Seyfert 1.2 classification of the source in the context
of the AGN unification scheme (Urry & Padovani 1995). Whereas
the PD is consistent with zero within 3𝜎 confidence, at 90 per cent
confidence the measured PD is > 1.44 per cent.
The left panel considers a slab corona located above the disc and

extending radially from 6 𝑟g to 100 𝑟g (black hole spin assumed to be
𝑎 = 0). Here, the polarisation in the source frame is calculated using
an iterative radiation transport solver (COMPPS, Poutanen& Svensson
1996; Veledina & Poutanen 2022), and then relativistic effects are
accounted for using an analytic approximation of the Schwarzschild
metric (Poutanen 2020). Circular markers represent a static corona,
and triangles a vertically out-flowing corona (Poutanen et al. 2023).
Because there is some uncertainty in our spectral fits, we trial three
values of the electron temperature: 𝑘𝑇e = 40 keV (as inferred from
our Model 1 fit; solid black line), 𝑘𝑇e = 100 keV (dashed lines), and
𝑘𝑇e = 200 keV (as inferred from our Model 2 fit; dotted blue line).
For each electron temperature, we choose a coronal optical depth
that returns the measured photon index of Γ = 1.66 (corresponding
to the Thomson optical depth of the slab 𝜏 = 2.3, 0.95 and 0.43
respectively).
We see that PD typically increases with inclination angle, which

occurs because the projection of the corona on the sky becomes
increasingly asymmetric for larger inclinations. We also see that
the highest values of PD are achieved for the intermediate value of
electron temperature. This occurs because of a trade-off between two
different effects. First, for a given Γ, higher temperature corresponds

to lower 𝜏 (e.g. Middei et al. 2019). The lower the optical depth,
the less likely it is that photons can have multiple scatterings in the
vertical direction (i.e. perpendicular to the disc plane), and thus the
more likely it is that any photons that did have multiple scatterings
were travelling horizontally before they scattered. Because photons
are most likely to be scattered perpendicular to their polarisation
plane, lower 𝜏 leads to stronger vertical polarisation. The second,
competing, effect occurs because higher electron temperature leads to
higher electron velocities. This leads to scattered photons beingmore
heavily beamed into the random direction of motion of the electrons,
diluting the correlation between the post-scattering trajectory and
polarisation of photons.
The right panel of Fig. 7 presents results from the relativisticMonte

Carlo radiative transfer code MONK (Zhang et al. 2019), assuming a
static corona with temperature 𝑘𝑇e = 40 keV. The black line with
circular markers corresponds to the same geometry as before: a slab
extending from 6 𝑟g to 100 𝑟g (𝑎 = 0). We see very good agreement
with the COMPPS calculation (black solid line in the left hand plot)
at the low inclination angles of interest, with some discrepancies at
high inclinations that will be explored in future work. We also plot
results for a slab extending to the ISCO of a maximally spinning
black hole (red squares). We see that relativistic effects significantly
effect the polarisation for 𝑖 & 60◦, but not at the lower angles relevant
to IC 4329A. We finally consider a uniform density wedge corona
with opening angle 45◦ extending from the ISCO of a maximally
spinning black hole to 25 𝑟g (Tagliacozzo et al., in prep). In one case,
the disc extends within the corona down to the ISCO (magenta stars),
and in the other case it is truncated at the outer radius of the corona
(blue triangles). These two geometries return a lower PD than the
slab because they are less asymmetric.
It is interesting that, in the 90 per cent confidence limit, the ob-

served PD (cyan hatched markings) lies above the predictions of
all static corona models for the inferred inclination angle. Assum-
ing instead that the coronal electrons are out-flowing with a mildly
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relativistic bulk velocity away from the disc plane (0.4𝑐 in Fig. 7,
left) boosts the predicted polarisation into the observed range (due
to relativistic aberration). Such an out-flowing model was recently
proposed by Poutanen et al. (2023) to explain the high observed PD
from Cygnus X-1, and is also consistent with our results. We fur-
ther note that including an out-flowing bulk velocity solves a key
problem of the slab model, in that a static slab should not be able to
self-consistently produce the hard (Γ < 2) spectrum that is observed
because it is irradiated by too high a flux of soft disc photons (Haardt
&Maraschi 1993; Stern et al. 1995; Poutanen et al. 2018). A bulk ve-
locity solves this problem because it reduces the incident seed photon
flux via Doppler de-boosting (Beloborodov 1999). Including a bulk
velocity will also enable the wedge and truncated disc geometries to
reproduce our polarisation results.

5 CONCLUSIONS

We have conducted a spectro-polarimetric analysis of IC 4329A us-
ing IXPE, XMM-Newton and NuSTAR. Our IXPE measurement of
2–8 keV polarisation falls just short of the 3𝜎 detection threshold
(significance 2.97𝜎). The 1𝜎 confidence limits on PD and PA are
𝑝 = 3.3 ± 1.1 per cent and 𝜓 = 78◦ ± 10◦, respectively. The PA is
roughly consistent with the radio jet position angle, once uncertainty
on the jet orientation is taken into account. We jointly model the
XMM-Newton, NuSTAR and IXPE spectrum, confirming the pres-
ence of a relativistic reflector. Reflection modelling prefers a low
inclination (< 26◦ with 90 per cent confidence), which is consistent
with previous measurements of the viewing angle of the broad line
region and the object’s Seyfert 1.2 classification within the AGN
unification scheme. This constraint coupled with our 90 per cent
confidence lower limit on PD of 1.4 per cent tentatively favours more
asymmetric, possibly out-flowing, coronal geometries extended in
the disc plane that would produce highly polarised emission aligned
with the jet, but the coronal geometry is unconstrained at the 3𝜎
level. Reflection modelling also favours a small disc inner radius, but
does not constrain black hole spin because disc truncation outside
of the ISCO is statistically acceptable within the 3𝜎 limit. Spectro-
polarimetric modelling is consistent with the 2–8 keV polarisation
being dominated by emission observed directly from the corona, but
the contribution from reflection is unconstrained.
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Abstract. We study the clustering of primordial black holes (PBHs) and axion miniclus-
ters produced in the model proposed to explain the LIGO/Virgo events or the seeds of the
supermassive black holes (SMBHs) in Ref. [1]. It is found that this model predicts large
isocurvature perturbations due to the clustering of PBHs and axion miniclusters, from which
we obtain stringent constraints on the model parameters. Specifically, for the axion decay
constant fa = 1016 GeV, which potentially accounts for the seeds of the SMBHs, the PBH
fraction in dark matter should be fPBH . 7 × 10−10. Assuming that the mass of PBHs in-
creases by more than a factor of O(10) due to accretion, this is consistent with the observed
abundance of SMBHs. On the other hand, for fa = 1017 GeV required to produce PBHs of
masses detected in the LIGO/Virgo, the PBH fraction should be fPBH . 6×10−8, which may
be too small to explain the LIGO/Virgo events, although there is a significant uncertainty
in calculating the merger rate in the presence of clustering.
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1 Introduction

Primordial black holes (PBHs) [2–4] are black holes formed from overdense regions in the early
universe. Recently, LIGO and Virgo detected the black hole merger events [5–8]. The masses
of the black holes are estimated to be of O(10)M�, providing motivation to consider PBHs
in this mass region [9–15]. Furthermore, the origin of supermassive black holes (SMBHs) is
also a motivation for the existence of PBHs. SMBHs are black holes with M & 106M� and
are considered to reside at the centers of galaxies [16]. SMBHs have been observed at high
redshifts z & 6 (for example, see Refs. [17–20]). However, it is difficult for stellar black holes
to grow into SMBHs by z ∼ 6 through the Eddington accretion (for review, see Refs. [21, 22]).
As an attractive alternative for their origin, PBHs have been studied [23–27].

Recently, PBH formation from inhomogeneous QCD axions was proposed in Ref. [1], mo-
tivated by analogous works using the Affleck-Dine mechanism [26–31]. (See also Refs. [32, 33]
for subsequent work on the scenario.) The QCD axion [34, 35] is a hypothetical particle aris-
ing as a (pseudo-)Nambu-Goldstone boson in the Peccei-Quinn (PQ) mechanism [36, 37],
which solves the strong CP problem. Assuming that the PQ symmetry is spontaneously bro-
ken during inflation, the axion field experiences quantum fluctuations. As a result, its spatial
distribution is characterized by a Gaussian distribution. In Ref. [1], the spatial distribution of
the QCD axion is significantly modified from the Gaussian one by introducing a temporally
large PQ breaking term. Such a temporal PQ breaking term is realized, for example, by the
Witten effect [38–42], which makes the axion settle down to one of the minima depending on
the inflationary fluctuations. Then, depending on the initial position, the universe could be
divided into two types of regions with different axion field values. Subsequently, the poten-
tial by the Witten effect disappears by further breaking the residual U(1) symmetry, but the
axion field value in each region remains the same. After that, when non-perturbative QCD
effects become relevant, the QCD axion starts to oscillate with different amplitudes in the
two different types of regions. For a certain choice of parameters, one of them leads to rare
and very dense regions where the axion abundance is large, called “QCD axion bubbles” or
simply “axion bubbles”. After these dense regions enter the horizon, they collapse to PBHs
or form miniclusters. On the other hand, axions produced in the other regions can account
for dark matter.

A fascinating feature of the QCD axion bubble scenario is its capability to produce
PBHs and miniclusters within the bubbles, while simultaneously accounting for dark matter.
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Figure 1. An illustration of the PBH clustering process in this scenario. The solid and dashed
lines denote larger-scale and smaller-scale perturbations, respectively. If the field value at x is larger
than the critical value φc, axion bubbles are formed there. While the size of bubbles corresponds to
smaller-scale perturbations, larger-scale perturbations induce bubble clustering.

Additionally, there is a one-to-one correspondence between the axion decay constant and the
PBH mass. For instance, if the axion decay constant is O(1016) GeV, the PBH mass becomes
O(104)M�, which overlaps with the mass range required for the seeds of the SMBHs, while
if the decay constant is O(1017) GeV, the PBH mass becomes O(10)M�, which corresponds
to the mass accounting for the LIGO/Virgo events.

In this scenario, the properties of the axion bubbles or subsequently formed PBHs
depend on the axion field value at the end of inflation. The perturbations on the bubble scale
determine the PBH formation while the perturbations on larger scales control the clustering
properties of PBHs. The properties of the PBH clustering were recently studied in the PBH
formation model using the modified type of Affleck-Dine baryogenesis [43] (see also Ref. [44]),
where the clustering was evaluated by considering the two-point correlation function and it
was found that the PBH abundance is severely constrained from isocurvature perturbations
due to the PBH clustering. Applying a similar analysis to the QCD axion bubble scenario,
one would expect strict limits on the PBH abundance.

The clustering of PBHs is induced by large-scale perturbations of the field value. The
schematic image of the PBH clustering is shown in Fig. 1. In this figure, φi is the axion
field value averaged over the observable universe, and φc is the threshold field value for
bubble formation. The axion field acquires quantum fluctuations during inflation. The
dashed line denotes larger-scale perturbations, which produce the large-field region (red),
the intermediate region (green), and the small-field region (blue). The solid line denotes the
sum of the large-scale perturbations and the smaller-scale perturbations. The figure shows
that more axion bubbles are formed in the large-field region.

The clustering is a characteristic feature of the PBH formation from axion/baryon bub-
bles, in which perturbations of the field value determines the bubble formation. In particular,
the ordinary scenario in which the PBH formation is due to the inflationary curvature fluctu-
ation does not show the clustering because the density fluctuation is multiplied by k2 to the
curvature perturbation and thus the large-scale perturbation (scale larger than the horizon
scale at the PBH formation) is suppressed.

In this paper, we evaluate the PBH correlation and isocurvature perturbations in the
PBH formation scenario from the axion bubbles. We derive constraints on the model param-
eters or the PBH abundance from isocurvature perturbations on the CMB scale. It is found
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Figure 2. Time evolution of the universe in this scenario.

that the isocurvature perturbations of the axion miniclusters set a severe constraint on this
scenario.

The rest of this paper is organized as follows. In Sec. 2, we review the scenario of axion
bubble formation proposed in Ref. [1]. In Sec. 3, we evaluate the abundance of PBHs and
axion miniclusters. We calculate the reduced PBH correlation function in Sec. 4. In Sec. 5,
we evaluate the power spectrum of the isocurvature perturbations and obtain the constraints
on the axion bubbles. Finally, Sec. 6 is devoted to the conclusion and discussion of our
results.

2 Axion bubble formation

In this section, we describe the PBH formation scenario proposed in Ref. [1]. The history
of the universe in this scenario is shown in Fig. 2. In this scenario, the PQ symmetry is
spontaneously broken before or during inflation. Since the QCD axion φ is massless during
inflation, it obtains quantum fluctuations, by which the axion field value has a Gaussian
distribution.

After inflation, φ acquires two types of potential. First, the QCD axion couples to
gluons through

L ⊃ g2

64π2
φ

fa
εµνρσF

aµνF aρσ, (2.1)

where g is the coupling constant of the strong interaction, fa is the decay constant of the
axion, εµνρσ is the totally antisymmetric tensor in four dimensions, and F aµν is the field
strength of gluons. Through non-perturbative QCD effects, this term gives the effective
potential of the axion field,

VQCD(φ) = m2
a(T )f2a

(
1− cos

φ

fa

)
, (2.2)

where the temperature-dependent mass ma(T ) is given by

ma(T ) '

0.57 neV
(
1016 GeV

fa

) (
0.15GeV

T

) c
2 T > 0.15 GeV

0.57 neV
(
1016 GeV

fa

)
T < 0.15 GeV

, (2.3)

with c = 8.16 [45]. Here, we choose φ = 0 as the strong CP conserving point. For later
convenience, we define ma0 ≡ ma(T < 0.15 GeV).

Second, to realize axion bubbles, we assume that φ also couples to a hidden U(1)H
gauge field through

L ⊃ − αH
16π

(
NH

φ

fa
+ θH

)
εµνρσF

µν
H F ρσH , (2.4)
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Figure 3. Potential and dynamics of the axion in the axion bubble formation scenario. After inflation,
the axion settles in one of the minima of the potential induced by the Witten effect. The different
minima lead to oscillations with different amplitudes when the QCD potential becomes relevant.

where αH is the fine-structure constant of the hidden gauge interaction, NH is an integer
called a domain-wall number, θH is the θ-parameter of the U(1)H gauge symmetry, and FµνH
is the field strength of the U(1)H gauge field. In the following, we take NH = 2. Note that
since we have chosen φ = 0 as the CP conserving point, θH is nonzero in general.

Suppose that some larger symmetry (e.g. SU(2)H) is spontaneously broken into U(1)H
and monopoles are produced after inflation. In the presence of the coupling (2.4), U(1)H
monopoles have hidden electric charges through the Witten effect [38]. The axion field then
acquires a mass proportional to

√
nM with nM being the number density of monopoles [39].

Since the axion mass decreases more slowly than the Hubble parameter H during the
radiation-dominated (RD) era, the axion field starts oscillations when the monopole-induced
axion mass becomes comparable to the Hubble parameter. The monopoles behave as matter,
which subsequently leads to the matter-dominated (MD) universe for the parameters of our
interest.

Since NH = 2, the axion potential caused by the Witten effect has a periodicity of π in
φ/fa and minima at

φ
(n)
min = (−θH + 2πn)

fa
2
, (2.5)

where n is an integer. Thus, the axion field rolls down to the nearest minimum depending
on its initial value at the end of inflation. We assume 0 < θH � 1 and define ε ≡ θH/2 so

that φ
(0)
min = −εfa. We depict the potential and dynamics of the axion in Fig. 3. Around

φc ≡ (−ε+ π/2)fa ' πfa/2, the axion field with φ < φc (φ > φc) rolls down to φ
(0)
min (φ

(1)
min).

In the following, we assume that φ rolls down to either of φ
(0)
min or φ

(1)
min after inflation.

We further assume that the U(1)H symmetry is spontaneously broken before the QCD
phase transition. As a result, the monopoles decay, and the axion becomes massless again.
Then, around the QCD phase transition, the axion acquires a potential VQCD through non-
perturbative QCD effects. The axion potential from the QCD effect (2.2) has a periodicity

of 2π in φ/fa and takes a minimum value at φ = 0. Thus, the axion field at φ
(0)
min or φ

(1)
min

starts to oscillate with an initial amplitude ε or π− ε around the origin when the axion mass
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becomes comparable to the Hubble parameter. Due to the different oscillation amplitudes,
the universe is separated into low and high axion density regions. In this scenario, we set
the parameters so that the formation of high-density regions is rare. Then, regions with high
axion density (called axion bubbles) appear in the low axion density background. We assume
that the background axions account for dark matter. To explain all dark matter density by
axions, the parameter ε is set to [1]

ε =
φDM

fa
≡ 4.25× 10−3

(gosc
60

)0.209( fa
1016 GeV

)−0.582
, (2.6)

where gosc is the effective relativistic degrees of freedom at the onset of oscillations due to
VQCD. On the other hand, axion bubbles collapse into PBHs if they have sufficiently high
energy density at the horizon reentry. Specifically, if the inside of a bubble is dominated by
axions at the horizon reentry, it collapses into a PBH, and otherwise, an axion minicluster is
formed.

3 Axion bubble density

Here, we discuss the condition for bubble and PBH formation and evaluate the abundance of
PBHs and axion miniclusters. The axion starts to oscillate at T ' Tosc satisfying ma(Tosc) =
3H(Tosc), where Tosc is calculated as

Tosc = 0.211 GeV
(gosc

60

)−0.0822( fa
1016 GeV

)−0.164
. (3.1)

At that time, the local number density of axions na is given by,

na(Tosc) =
1

2
κma(Tosc)φ

2
oscF (φosc) , (3.2)

where φosc is the axion field value at T ' Tosc, and κ is the numerical fudge factor, which is
set to κ = 1.5. Here, we also include the anharmonic correction factor F , which is written
as [46, 47]

F (φosc) =

[
1− log

(
1− (φosc/fa)

2

π2

)]1.16
. (3.3)

To evaluate the energy density of the axions, it is convenient to consider the ratio of the
axion number density to the entropy density, na/s. The entropy density at T = Tosc is given
by

s(Tosc) =
4ρrad(Tosc)

3Tosc
=

4H2(Tosc)M
2
Pl

Tosc
=

4M2
Plm

2
a(Tosc)

9Tosc
, (3.4)

where MPl ' 2.4 × 1018 GeV is the reduced Planck mass. For T < Tosc, na/s is conserved
and thus given by

na(T )

s(T )
=
na(Tosc)

s(Tosc)
=

9κTosc
8ma(Tosc)

(
φosc
MPl

)2

F (φosc) . (3.5)

In the scenario of Ref. [1], the bubble formation depends on the axion field value at
the end of inflation. Since the axion is massless during inflation, the axion field diffuses
by quantum fluctuations. The time evolution of the axion field φ coarse-grained over the
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horizon scale is described by a probability distribution P (N,φ), which obeys the Fokker-
Planck equation:

∂P (N,φ)

∂N
=
H2

inf

8π2
∂2P (N,φ)

∂φ2
, (3.6)

where Hinf is the Hubble parameter during inflation, and N is the e-folding number defined
by

N = ln
a

ai
. (3.7)

Here, a (ai) is the (initial) scale factor. In the following, we assume that Hinf is constant
during inflation. Then, the solution of this equation is given by

P (N,φ;φi) =
1√

2πσ(N)
exp

(
−(φ− φi)2

2σ2(N)

)
,

σ(N) =
Hinf

2π

√
N ,

(3.8)

where we set the initial condition P (0, φ;φi) = δ(φ − φi) at the horizon exit of the current
horizon scale, N = 0. If we assume 0 < φi < φc, the probability that φ rolls down to the

minima other than φ
(0)
min or φ

(1)
min after inflation is negligibly small. Thus, we can approximate

the total volume fraction of the axion bubbles by

β(φi) =

∫ ∞
φc

P (Nend, φ;φi)dφ , (3.9)

where Nend is the e-folding number at the end of inflation. The volume fraction of the axion
bubbles that exit the horizon between N and N + dN is given by βN,1(N ;φi)dN with

βN,1(N ;φi) ≡
∂

∂N

∫ ∞
φc

P (N,φ;φi)dφ =
φc − φi

2N
P (N,φc;φi) . (3.10)

Here, the e-folding number N is related to the wavenumber k. At the horizon crossing of
perturbations, the wavenumber [' (bubble size)−1] is given by k = aHinf . In our definition
of N , we set k0 = aiHinf and then,

N = ln
k

k0
, (3.11)

where we take k0 = 2.24 × 10−4 Mpc−1. The resultant volume fractions of bubbles for
φi = φc − 4.5Hinf , φc − 5Hinf , and φc − 5.5Hinf are shown in Fig. 4.

The temperature when the energy density of the background radiation ρrad becomes
equal to that of axions inside bubbles, TB, is calculated as

TB =
4

3
ma0

na
s

∣∣∣
bubble

= 3.04 MeV
(gosc

60

)−0.418( fa
1016 GeV

)1.16

×
[
1 + 0.0842 ln

(
fa

1016 GeV

)
− 0.0302 ln

(gosc
60

)]1.16
,

(3.12)
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Figure 4. Volume fraction of axion bubbles for different initial conditions φi. We used Eq. (3.11) to
relate k and N .

where we assumed TB < 0.15 GeV, which holds for the parameters of our interest. At the
cosmic temperature T < TB, axion bubbles collapse into PBHs when they reenter the horizon,
which sets the lower bound on the PBH mass MPBH as

Mc = 1.68× 104M�

(gf
10

)− 1
2
(gosc

60

)0.836( fa
1016 GeV

)−2.33
×
[
1 + 0.0842 ln

(
fa

1016 GeV

)
− 0.0302 ln

(gosc
60

)]−2.33
,

(3.13)

where gf is the effective relativistic degrees of freedom at the PBH formation. Here, we
assume that the PBH mass is equal to the background horizon mass when the axion bubbles
enter the horizon. Then, we obtain the relation between MPBH and k as

k = 4.55× 106 Mpc−1
(gf

10

)− 1
12

(
M�
MPBH

) 1
2

. (3.14)

The critical scale kc corresponding to Mc is given by

kc = 3.51× 104 Mpc−1
(gf

10

) 1
6
(gosc

60

)−0.418( fa
1016 GeV

)1.16

×
[
1 + 0.0842 ln

(
fa

1016 GeV

)
− 0.0302 ln

(gosc
60

)]1.16
.

(3.15)

Now we have relations among k, N , and MPBH. Thus, we can define one quantity as a
function of another quantity. For example, we will use N(MPBH) and N(k) in the following.
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Figure 5. Mass spectrum of the PBH fraction. While the initial condition controls the overall PBH
abundance, fa controls the mass cutoff, where the PBH mass spectrum has a peak.

The PBH fraction to dark matter fPBH is obtained as

dfPBH

d lnMPBH
≡ 1

ρDM

dρPBH

d lnMPBH

=
ρrad(Tf )

2ρa,DM(Tf )
βN,1(N(MPBH);φi) Θ(MPBH −Mc)

=
3Tf

8ma0

(na,DM

s

)−1
βN,1(N(MPBH);φi) Θ(MPBH −Mc) , (3.16)

where ρa,DM and na,DM are the energy density and number density of the background axion
responsible for dark matter, respectively, Tf is the temperature at the PBH formation, Θ(x)
represents a step function, and we used |d lnMPBH| = 2|d ln k| = 2|dN |. We show the mass
spectra of PBHs for fa = 1016 GeV and 1017 GeV in Fig. 5, where each spectrum has a peak
at the cutoff mass Mc. We approximate the spectrum of PBHs as monochromatic ones, i.e.
dfPBH/d lnM ∝ δ(M−Mc) in the following. Then we evaluate fPBH by dfPBH/d lnMPBH in
Eq. (3.16) at the peak mass. Here and hereafter, we use gosc = 60 and 10 for fa = 1016 GeV
and 1017 GeV, respectively, and gf = 10 independent of the decay constant.

On the other hand, axion bubbles smaller than k−1c do not form PBHs but axion mini-
clusters. The mass of axion miniclusters is determined by the axion density in the bubbles,
and its formula depends on whether the horizon entry takes place before the onset of axion
oscillations or not. Here, we introduce the scale kosc that reenters the horizon when the axion
starts oscillation (T ' Tosc). The miniclusters with scale k < kosc are formed after the axion
oscillation, and their fraction to dark matter fAMC is estimated as

dfAMC

d ln k
≡ 1

ρDM

dρAMC(k)

d ln k
=
ρin(k)

ρa,DM
βN,1(N(k);φi) =

ña/s|φosc=πfa−φDM

na/s|φosc=φDM

βN,1(N(k);φi) ,

(3.17)
where ρAMC is the energy density of the axion miniclusters averaged over the whole uni-
verse, ρin is that inside the axion miniclusters, and ña is defined by changing ma(Tosc) →
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(a) fa = 1016 GeV (b) fa = 1017 GeV

Figure 6. Energy density fraction of axion bubbles for fa = 1016 GeV (left panel) and fa = 1017 GeV
(right panel).

√
m2
a(Tosc) + k2/a2(Tosc) in the definition of na, Eq. (3.2). We assume that the mass of

axion miniclusters is equal to the total axion mass inside axion bubbles when they enter the
horizon. Then, we obtain the relation between MAMC and k as

MAMC(k) = 2.04× 10−2 M�

(gosc
60

)−0.418( fa
1016 GeV

)1.16(kosc
k

)3

×
[
1 + 0.0842 ln

(
fa

1016 GeV

)
− 0.0302 ln

(gosc
60

)]1.16
.

(3.18)

For miniclusters with scale k > kosc, fAMC is given by

dfAMC

d ln k
=
ña/s|φosc=φdec
na/s|φosc=φDM

βN,1(N(k);φi) , (3.19)

φdec = (πfa − φDM)

(
ma(Tosc)

3Hk

) 1
2

, (3.20)

where Hk is the Hubble parameter when the axion bubbles with the scale k reenter the
horizon. Here, we take into account the decrease of φ from the horizon crossing to the onset
of axion oscillations [1].

We show the energy spectrum of axion bubbles in Fig. 6, where fbub is the global energy
fraction of axion bubbles. In this figure, we take into account the dependence of the relativistic
degrees of freedom on the temperature at the horizon reentry of mode k. The energy density
of axion miniclusters has a peak at k = kosc. Due to the Eq. (3.18), we approximate the
mass spectrum of axion miniclusters as monochromatic ones, i.e. dfAMC/d lnM ∝ δ(M −
MAMC(kosc)) in the following. Then we evaluate fAMC by dfAMC/d lnMAMC at the peak
mass using Eqs. (3.17) and (3.18).

4 Reduced PBH correlation function

The PBH clustering is characterized by the correlation function of the PBH density, 〈δPBH(x)δPBH(y)〉,
with δPBH(x) = (ρPBH(x)− ρ̄PBH)/ρ̄PBH, ρ̄PBH being the spatial average of the PBH density,
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ρPBH(x), over the whole universe. While the two-point correlation function with x = y
corresponds to the Poisson fluctuations, that with x 6= y, ξ(|x − y|), reflects the effect of
the clustering. Here, the angular bracket denotes the ensemble average. ξ(L) is called the
reduced PBH correlation function and obtained as [43]

ξ(L) ≡
∫ ∫

d lnMid lnMjρrad(Mi)ρrad(Mj)βN,2(N(Mi), N(Mj), N(2π/L);φi)/4(∫
d lnMρrad(M)βN,1(N(M);φi)/2

)2 − 1 , (4.1)

where ρrad(M) is the radiation energy density when the scale corresponding to PBHs with a
mass ofM enters the horizon, and βN,2 is the formation probability of axion bubbles located at
two points, x and y, whose comoving distance is L. Note that |d lnMPBH| = 2|d ln k|. Suppose
that the sizes of the two bubbles located at x and y are 2πk−1x and 2πk−1y , respectively.
Following the discussion in Ref. [43], βN,2 is evaluated as

βN,2(Nx, Ny, NL;φi) ≡
∂2

∂Nx∂Ny

∫
dφL P (NL, φL;φi)

×
∫

dφx P (Nx −NL, φx;φL)Θ(φx − φc)

×
∫

dφy P (Ny −NL, φy;φL)Θ(φy − φc) ,

(4.2)

where NL, Nx, and Ny (φL, φx, and φy) are e-folding numbers (axion field values) when the
scales L, 2πk−1x , and 2πk−1y exit the horizon during inflation, respectively. The axion fields
at the two points, x and y, evolve in the same way as long as they are inside the same Hubble
horizon. When their separation becomes the horizon size, which corresponds to N = NL, the
field values at x and y start to evolve independently from φL. Note that φL can be regarded
as a background value over the scale L (before the appearance of the axion potential) but it
spatially fluctuates beyond this scale. Nx and Ny can be translated into the PBH mass using
Eq. (3.14) or the mass of axion miniclusters using Eq. (3.18).

We show the schematic image of our calculation in Fig. 7. The solid line shows spatial
fluctuations of the field value smoothed over the horizon scale at each time, and the dashed
line shows the fluctuations which exited the horizon at the former time. The larger φL is, the
more bubbles are formed in the region with comoving size L. Since φL spatially fluctuates
beyond the scale L, the number of bubbles fluctuates accordingly. As a result, the bubbles
form clusters.

As mentioned above, we consider a monochromatic mass in the following. Thus, we
focus on Nx = Ny = N . By substituting Eq. (3.8) into Eq. (4.2), we obtain βN,2 analytically
as

βN,2(N,N,NL;φi) =
H4

inf

128π5σ5(N −NL)
exp

[
− (φi − φc)2

σ2(N −NL) + 2σ2(NL)

]
×

[
σ2(NL)σ2(N −NL)

(
σ2(N −NL) + 2σ2(NL)

)− 3
2

+

(
1− 2σ2(NL)

σ2(N −NL) + 2σ2(NL)

)2

(φi − φc)2
(
σ2(N −NL) + 2σ2(NL)

)− 1
2

]
. (4.3)
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Figure 7. This shows a schematic image of the calculation of βN,2 during the inflation. In the early
stage of inflation, two spatial points, x and y, reside in the same Hubble patch (circle) and share the
superhorizon fluctuations in φ (blue line). Fluctuations larger than our interesting scale (green line)
are continuously added to the superhorizon fluctuations (dashed blue line) until the horizon exit of the
two points. After then, the physical distance between the two points exceeds the horizon scale, and
they are in different Hubble patches. The coarse-grained fields around x and y include the common
contribution (dashed green line) and independent contributions (red line). As a result, the field values
at two separated points are correlated, which leads to the bubble clustering (see also Fig. 1).

Here NL can be translated into L using Eq. (3.11) with kL = 2π/L. Then, the reduced PBH
correlation function is obtained as

ξ(L) =
βN,2(N(M), N(M), N(2π/L);φi)

β2N,1(N(M);φi)
− 1 . (4.4)

We show the correlation function ξ(L) for fa = 1016 GeV and 1017 GeV in Fig. 8. For smaller
L, the correlation function increases because the two points reside in the same Hubble patch
for a longer time during inflation. The correlation function diverges when the separation of
the two points becomes equal to the bubble scale, L = 2πk−1PBH. Since this bubble scale is
negligible compared to the CMB scale, which is of our interest, we shift the divergent point
to the origin in the following. In other words, we redefine ξ(L−2πk−1PBH) as a new correlation
function ξ(L). The correlation function vanishes at the size of the observable universe. This
is because the probability of PBH formation at two points βN,2 is equal to a product of two
independent probabilities of PBH formation β2N,1 at the edge of the observable universe.

5 Isocurvature perturbation

In this section, we evaluate the isocurvature perturbations of the PBHs and axion miniclusters
and derive the constraints on the scenario. Here, we mainly explain the evaluation for PBHs
because the procedure is the same for the axion miniclusters.

First, we consider the isocurvature perturbations from PBHs. The power spectrum of
PBH density fluctuations can be written as

PPBH(k) =

∫
d3x e−ik·x 〈δPBH(0)δPBH(x)〉 = PPoisson(k) + Pξ(k) , (5.1)
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(a) fa = 1016 GeV (b) fa = 1017 GeV

Figure 8. Reduced PBH correlation functions for fa = 1016 GeV (left panel) and fa = 1017 GeV
(right panel). They diverge at the bubble scale and vanish at the scale of the observable universe.

where the contributions from the Poisson fluctuation and the PBH clustering are given by

PPoisson(k) ≡ 1

n̄PBH

M2
PBH

(MPBH)2
, (5.2)

Pξ(k) ≡
∫

d3x ξ(x)e−ik·x = 4π

∫
dr r2ξ(r)

sin kr

kr
, (5.3)

respectively. Here, n̄PBH is the spatially averaged PBH number density, and the bars on
MPBH and M2

PBH mean the average over the PBH mass distribution.
Now, we approximate the PBH mass distribution by a monochromatic one and then

obtain PPoisson(k) = n̄−1PBH. Because the Poisson fluctuations are caused by the randomness
of the spatial PBH distribution, we set a cutoff of the Poisson fluctuations at the scale where
the expectation value of the PBH number in the corresponding volume becomes unity. This
corresponds to the scale at which the fluctuation becomes larger than the expectation value
and thus the PBH density fluctuation becomes nonlinear [48]. Moreover, we evaluate Pξ from
Eq. (4.4). Because PBHs are formed from axion bubbles in this scenario, the fluctuations
from PBH clustering only make sense on scales larger than the bubble scales. Thus, we show
the PBH power spectrum between the current horizon scale and the bubble scale in Fig. 9. It
is seen that the density perturbations caused by the clustering of PBHs are much larger than
those expected from the Poisson statistics. Since the energy density of axion miniclusters
also has a peak as shown in Fig. 6, we obtain Pξ for axion miniclusters, PAMC, by the same
procedure.

The perturbations of the PBHs contribute to the CDM isocurvature perturbations. The
power spectrum of the isocurvature perturbations is calculated as

Piso(k) =

(
ρPBH

ρDM

)2

PPBH(k) . (5.4)

The amplitude of the isocurvature perturbation on the CMB scale is strongly constrained by
the Planck results as [49]

βiso(kCMB) ≡ Piso(kCMB)

Piso(kCMB) + PR(kCMB)
< 0.036 , (5.5)
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(a) fa = 1016 GeV (φc − φi = 5.5Hinf) (b) fa = 1017 GeV (φc − φi = 6Hinf)

Figure 9. Power spectrum of density fluctuations of PBHs for fa = 1016 GeV and φc − φi = 5.5Hinf

(left panel) and fa = 1017 GeV and φc − φi = 6Hinf (right panel).

(a) fa = 1016 GeV (b) fa = 1017 GeV

Figure 10. Amplitudes of the power spectrum of the isocurvature perturbations from the PBHs and
axion miniclusters on the CMB scale for fa = 1016 GeV (left panel) and fa = 1017 GeV (right panel).
We parameterize the initial condition with b defined by φc − φi ≡ bHinf .

where PR(kCMB) = (k3CMB/2π
2)PR ' 2 × 10−9 is the power spectrum of the curvature

perturbations at kCMB = 0.002 Mpc−1 [50]. Here, this observational constraint (5.5) is
applicable not only to PBHs but also to axion miniclusters. Although we follow the discussion
in Ref. [43] so far, the isocurvature perturbation from axion miniclusters is unique to the axion
bubble scenario. The amplitude of the power spectrum of the isocurvature perturbations
from the PBHs and axion miniclusters on the CMB scale is shown in Fig. 10, where we
parameterize the initial condition with b defined by φc − φi ≡ bHinf instead of φi.

Since fPBH is determined by b for a given fa, we can predict βiso as a function of fPBH,
which is shown in Fig. 11. From the figure, we obtain the constraints on the PBH fraction
fPBH as

fPBH .

{
7× 10−8 from PBHs

7× 10−10 from axion miniclusters
for fa = 1016 GeV, (5.6)
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Figure 11. Isocurvature perturbations from PBHs (dashed) and axion miniclusters (solid) for fa =
1016 GeV and 1017 GeV. The green-shaded region is constrained by the CMB observations, which set
the upper bounds on fPBH.

and

fPBH .

{
8× 10−8 from PBHs

6× 10−8 from axion miniclusters
for fa = 1017 GeV. (5.7)

We find that the constraints from axion miniclusters are more stringent than those from
PBHs.

6 Conclusion and discussion

In this paper, we have studied the clustering of PBHs and axion miniclusters produced in the
axion bubble model [1]. To investigate the clustering, we evaluated the two-point correlation
function of PBHs and miniclusters and the isocurvature perturbations, from which we derived
stringent constraints on the model parameters and the PBH abundance.

For the axion decay constant fa = 1017 GeV, which corresponds to the PBH mass
O(10)M� motivated by the LIGO/Virgo events, the PBH fraction in dark matter is con-
strained as fPBH . 6 × 10−8. Thus, the PBH abundance should be much smaller than the
typically required abundance for the LIGO/Virgo events, fPBH ' 10−3 – 10−2 [11]. However,
this required abundance is evaluated neglecting the clustering effects on the PBH mergers.
In fact, the evaluation of the merger rate is significantly affected by the strong clustering
as shown in Ref. [43] although precise estimation is still difficult because of the three-body
problem. Thus, we need to develop a method to treat PBH mergers in multi-body systems
to derive a definite conclusion.

On the other hand, in the case of fa = 1016 GeV, the axion bubble model can explain
the seeds of SMBHs. Our constraint fPBH . 7×10−10 for fa = 1016 GeV is more severe than
the CMB constraint for MPBH ≤ 3 × 104M� from PBH accretion [51]. The mass fraction
of SMBHs inferred from the observation [52] is fSMBH ' 3× 10−9 for MSMBH > 106M�. In
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our model PBHs with mass ∼ 104M� grow to SMBHs by accretion and merger. Thus, if
the mass of PBHs increases by more than a factor of O(10) due to accretion, our constraint
is consistent with the observation. Thus, the axion bubble scenario can explain the seeds of
the SMBHs consistently with the isocurvature constraint.

The constraints we obtained come from the large-scale isocurvature perturbations.
Thus, the constraints can be relaxed if the spectrum of the isocurvature perturbations is
blue-tilted. The blue-tilted spectrum is realized by considering that the radial component
of the PQ field rolls down from a large value during the early stage of inflation [53]. Then,
quantum diffusion in the phase direction on larger scales is suppressed because the decrease
of the radial component results in a contraction in the phase direction. Consequently, we
expect that the two-point correlations on larger scales and, correspondingly, the isocurvature
perturbations on larger scales become much smaller.
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Model-independent mass limits assess the robustness of current cosmological measurements of
the neutrino mass scale. Consistency between high-multipole and low-multiple Cosmic Microwave
Background observations measuring such scale further valuate the constraining power of present
data. We derive here up-to-date limits on neutrino masses and abundances exploiting either the
Data Release 4 of the Atacama Cosmology Telescope (ACT) or the South Pole Telescope polar-
ization measurements from SPT-3G, envisaging different non-minimal background cosmologies and
marginalizing over them. Both the most constraining and marginalized bounds are competitive
with those found with Planck data: we obtain

∑
mν < 0.139 eV and Neff = 2.82 ± 0.25 in a dark

energy quintessence scenario, both at 95% CL. These limits translate into
∑
mν < 0.20 eV and

Neff = 2.79+0.30
−0.28 after marginalizing over a plethora of well-motivated fiducial models. Our findings

reassess both the strength and the reliability of cosmological neutrino mass constraints.

Keywords: ...

I. INTRODUCTION

Cosmological bounds on neutrino masses are reaching
limits close to the lower bounds derived from neutrino
oscillation data [1–3]:∑

mν >

{
(0.0591± 0.00027) eV (NO)
(0.0997± 0.00051) eV (IO)

. (1)

obtained by assuming that the lightest neutrino mass is
zero, and

∆m2
21 = (7.50± 0.21)× 10−5 eV2 ,

|∆m2
31| =

{
(2.550± 0.025)× 10−3 eV2 (NO)
(2.450± 0.025)× 10−3 eV2 (IO)

,
(2)

where ∆m2
ij ≡ m2

i −m2
j . The sign of ∆m2

31 determines
the type of neutrino mass ordering, being positive for
normal ordering (NO) and negative for inverted order-
ing (IO). Interestingly, the tightest bound on

∑
mν <

0.09 eV at 95% CL [4–6] is comparable to the IO lower
bound. In addition, one expects near future observa-
tions from ongoing galaxy surveys, such as DESI [7, 8],
to improve current limits, eventually reaching the NO
predictions (in the absence of a signal). Even if data are
not informative enough to claim a tension between cos-
mological and terrestrial, neutrino oscillation bounds [9],
it is timely to reassess the robustness of neutrino mass
limits, as such a tension could strongly depend on the

∗ e.divalentino@sheffield.ac.uk
† gariazzo@to.infn.it
‡ w.giare@sheffield.ac.uk
§ omena@ific.uv.es

underlying fiducial cosmology. In this regard, Bayesian
model comparison techniques offer the ideal tool for com-
puting model-marginalized cosmological parameter lim-
its, avoiding the biases due to the fiducial cosmology, see
Ref. [10] for a pioneer study applied to neutrino mass
limits. The former method was extended to scenarios in-
cluding a freely varying neutrino mass abundances (pa-
rameterized via Neff) or a hot-dark matter axion com-
ponent in Refs. [6] and [11]. However, in these previous
studies the neutrino mass limits were driven by the input
from Planck CMB data.

In order to reinforce and, to some extent, to con-
vey with particle physics constraints on the neutrino
properties (mass, hierarchy and abundances), not only
model-independent mass limits are required: consis-
tency tests between limits from high-multipole and low-
multiple CMB probes are also mandatory. In this spirit,
we present here model-marginalized limits on the neu-
trino mass

∑
mν and on the relativistic degrees of free-

dom Neff exploiting data from the ACT and SPT damp-
ing tail CMB experiments, analyzed in combination with
the previous WMAP CMB probe. Other low redshift
probes, such as Type Ia Supernovae and BAO will also
be considered in the numerical analyses. The structure
of the paper is as follows. We start from section II, which
contains a dedicated description of the statistical method
exploited here to derive model-marginalized bounds on
the neutrino properties. The following section III and
section IV describe the cosmological observations and
fiducial cosmologies considered here, respectively, while
section V is devoted to our numerical implementation.
In section VI we illustrate and discuss the main results
of our analyses, to conclude in section VII.
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II. BAYESIAN METHOD

In this study, we want to compare how different cos-
mological models fit well different CMB data sets and
determine for each data combination a robust, model-
marginalized constraint on some neutrino properties. In
order to do this, we follow the approach described for
example by [10], and summarized in the following. Let
us consider a set of models Mi, which in our case are
extensions of some initial model. We will consider that
all the models have the same prior probability. Applying
Bayesian model comparison, the posterior probability for
each model within the considered set can be written as

pi =
Zi∑
j Zj

=
Bi0∑
j Zj0

, (3)

where Zi is the Bayesian evidence of the i-th model and
Bi0 = Zi/Z0 is the Bayes factor of model i with respect
to the favored modelM0 within the set.

Let us now consider the posterior distribution func-
tion for some parameter x, common to all models in the
set. Within the i-th model, after applying the dataset d
the parameter x has a posterior distribution p(x|d,Mi).
Using the posterior probability for each model, we can
compute the model-marginalized posterior distribution
p(x|d) for the parameter x over the entire set of models
by using:

p(x|d) ≡
∑
i

p(x|d,Mi)pi =

∑
i p(x|d,Mi)Bi0∑

j Bj0
. (4)

Since one of the goals of our analysis is to study neu-
trino mass bounds, we have to face the fact that the like-
lihoods under consideration (see next section) are open
with respect to Σmν , in the sense that no lower limit on
this quantity emerges from current cosmological probes.
In order to avoid the prior dependence of the credible in-
tervals, see e.g. [6, 12–14], one can adopt a method called
relative belief updating ratio R, see e.g. [15]. Given a pa-
rameter x for which the likelihood is open, it is convenient
to define

R(x1, x2|d,M) =
p(x1|d,M)/π(x1|M)

p(x2|d,M)/π(x2|M)
, (5)

where p(xi|d,M) and π(xi|M) are respectively the val-
ues of the posterior and prior distributions1 at xi within
some model M and when considering the dataset d.
In case of simple posteriors and priors, it is easy to
show that R is equivalent to a likelihood ratio test, but
for more complicated cases the results can deviate from
those one could obtain with the frequentist method, that
only considers the likelihood in two points, instead of

1 We assume that the prior of x is independent on the other pa-
rameters in the model.

the full parameter space volume. At the computational
level, however, R can be obtained from a Markov Chain
Monte Carlo (MCMC) without the need of dedicated log-
likelihood minimizations. Moreover, it is possible to show
that R is equivalent to a Bayes factor between two sub-
models of modelM, each of them obtained by fixing the
value of x to x1 and x2, respectively.

The above definition of R(x1, x2|d) can be easily ex-
tended to perform a model marginalization. Assuming
that the parameter x is shared among all the models of
the set, and that its prior is the same in all models, one
can write:

R(x1, x2|d) =
p(x1|d)/π(x1)

p(x2|d)/π(x2)
, (6)

where p(x|d) is the model-marginalized posterior in
Eq. (4). In our specific case, in order to study neutrino
mass bounds we will consider x2 = 0 and show the de-
pendency R(Σmν , 0|d).

III. DATASETS

Our baseline data-sets consist of:

• The Atacama Cosmology Telescope DR4 likeli-
hood [16, 17], combined with WMAP 9-year ob-
servations data [18, 19] and a Gaussian prior on
τ = 0.065±0.015, as done in Ref. [17]. This data-set
is always considered in combination with the Pan-
theon catalog which includes a collection of 1048
B-band observations of the relative magnitudes of
Type Ia supernovae [20], as well as together with
Baryon Acoustic Oscillations (BAO) and Redshift
Space Distortions (RSD) measurements obtained
from a combination of the spectroscopic galaxy
and quasar catalogs of the Sloan Digital Sky Sur-
vey (SDSS) [21] and the more recent eBOSS DR16
data2 [22]. For simplicity, we refer to this combined
data-set as ’ACT’ in the following analysis.

• The South Pole Telescope polarization measure-
ments SPT-3G [23] of the TE EE spectra are com-
bined withWMAP 9-year observations data [18, 19]
and a Gaussian prior on τ = 0.065 ± 0.015. Simi-
lar to the ACT case, we also include the Pantheon
catalog of Type Ia supernovae [20], along with the
BAO and RSD measurements obtained from the
same combination of SDSS and eBOSS DR16 mea-
surements [21, 22]. This combined data-set is re-
ferred to as ’SPT’ in our analysis.

2 It’s worth noting that when we combine the DR12 data with the
eBOSS DR16 data, we only use the first two redshift bins from
DR12 in the 0.2 < z < 0.6 range, which are further divided into
the 0.2 < z < 0.5 and 0.4 < z < 0.6 regions.
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IV. MODELS

A key point in our analysis is to derive robust bounds
on the neutrino mass from high multipole CMB exper-
iments marginalizing over a plethora of possible back-
ground cosmologies. Therefore, along with the six
ΛCDM parameters (the amplitude As and the spectral
index ns of scalar perturbations, the baryon Ωbh

2 and
the cold dark matter Ωch

2 energy densities, the angular
size of the sound horizon at recombination θMC and the
reionization optical depth, τ), we include the sum of neu-
trino masses

∑
mν and, in a second step, we also add the

number of relativistic degrees of freedom, parameterized
viaNeff. We then explore a number of possible extensions
of these close-to-minimal neutrino cosmologies, enlarging
the parameter space including one or more parameters,
such as a running of the scalar index (αs), a curvature
component (Ωk), a non-vanishing tensor-to-scalar ratio
(r), the dark energy equation of state parameters (w0

and wa), the lensing amplitude (Alens), the primordial
helium fraction (YHe) and the effective sterile neutrino
mass (meff

ν,s) (see Table I for the priors adopted in the
cosmological parameters). We describe in what follows
each of these possible extensions:

• Curvature density, Ωk. Recent data analyses of
the CMB temperature and polarization spectra
from Planck 2018 team exploiting the baseline Plik
likelihood suggest that our Universe could have a
closed geometry at more than three standard devi-
ations [24–27]. These hints mostly arise from TT
observations, that would otherwise show a lensing
excess [28–30]. In addition, analyses exploiting the
CamSpec TT likelihood [31, 32] point to a closed
geometry of the Universe with a significance above
99% CL. Furthermore, an indication for a closed
universe is also present in the BAO data, using Ef-
fective Field Theories of Large Scale Structure [33].
These recent findings strongly motivate to leave the
curvature of the Universe as a free parameter [34]
and obtain limits on the neutrino mass and abun-
dances in this context.

• The running of scalar spectral index, αs. In sim-
ple inflationary models, the running of the spec-
tral index is a second order perturbation and it
is typically very small. However, specific models
can produce a large running over a range of scales
accessible to CMB experiments. Indeed, a non-
zero value of αs alleviates the ∼ 2.7σ discrepancy
in the value of the scalar spectral index ns mea-
sured by Planck (ns = 0.9649 ± 0.0044) [24, 35]
and by the Atacama Cosmology Telescope (ACT)
(ns = 1.008± 0.015) [17], see Refs. [36–38].

• The tensor-to-scalar ratio r. Within this extended
model, we allow the tensor perturbations to vary
as well, along with scalar ones. Contributions to r

arise from the CMB B-mode polarization from ei-
ther primordial gravitational waves or gravitational
weak lensing. We therefore expect a larger effect for
the observational data set where the polarization
input is more relevant (as it is the case of SPT).

• Dynamical Dark Energy equation of state. Cos-
mological neutrino mass bounds become weaker if
the dark energy equation of state is taken as a free
parameter. Even if current data fits well with the
assumption of a cosmological constant within the
minimal ΛCDM scenario, the question of having
an equation of state parameter different from −1
remains certainly open. Along with constant dark
energy equation of state models, in this manuscript
we shall also consider the possibility of having
a time-varying w(a) described by the Chevalier-
Polarski-Linder parametrizazion (CPL) [39, 40]:

w(a) = w0 + (1− a)wa , (7)

where a is the scale factor, equal to a0 = 1 at the
present time, w(a0) = w0 is the value of the equa-
tion of state parameter today. Dark energy changes
the distance to the CMB consequently pushing it
further (closer) if w < −1 (w > −1) from us. This
effect can be balanced by having a larger matter
density or, equivalently, by having more massive
hot relics, leading to less stringent bounds on the
neutrino masses. Accordingly, the mass bounds of
cosmological neutrinos will become weaker if the
dark energy equation of state is taken as a free pa-
rameter.

• The lensing amplitude Alens. CMB anisotropies get
blurred due to gravitational lensing by the large
scale structure of the Universe: photons from dif-
ferent directions are mixed and the peaks at large
multipoles are smoothed. The amount of lensing is
a precise prediction of the ΛCDM model: the con-
sistency of the model can be checked by artificially
increasing lensing by a factor Alens [29] (a priori an
unphysical parameter). Within the ΛCDM picture,
Alens = 1. Planck CMB data shows a preference for
additional lensing. Indeed, the reference analysis
of temperature and polarization anisotropies sug-
gest Alens > 1 at 3σ. The lensing anomaly is ro-
bust against changes in the foreground modeling in
the baseline likelihood, and was already discussed
in previous data releases, although it is currently
more significant due to the lower reionization opti-
cal depth preferred by the Planck 2018 data release.
A recent result from the Atacama Cosmology Tele-
scope is compatible with Alens = 1 [17], but the re-
sults are consistent with Planck within uncertain-
ties. Barring systematic errors or a rare statisti-
cal fluctuation, the lensing anomaly could have an
explanation within new physics scenarios. Closed
cosmologies [26] have been shown to solve the inter-
nal tensions in Planck concerning the cosmological
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parameter values at different angular scales, allevi-
ating the Alens anomaly. Neutrinos strongly affect
CMB lensing and therefore their mass is degener-
ate with its amplitude, showing

∑
mν and Alens a

positive correlation, since increasing the neutrino
mass reduces the smearing of the acoustic peaks,
as a larger value of

∑
mν increases the suppression

to the small scale matter power [41, 42]. Also, non-
standard long-range neutrino properties can lead
to unexpected lensing and dilute the preference for
Alens 6= 1 [43].

• The helium fraction YHe. It is very well-known that
the number if relativistic degrees of freedom is de-
generate with the primordial helium fraction, due
to the effect of these two parameters in the CMB
damping tail. Silk damping refers to the suppres-
sion in power of the CMB temperature anisotropies
on scales smaller than the photon diffusion length.
Varying bothNeff and the fraction of baryonic mass
in Helium (that is, YHe) changes the ratio of Silk
damping to sound horizon scales, leading to a de-
generacy between these two parameters. Therefore,
a much larger error on the neutrino abundance (pa-
rameterized via Neff) is expected when considering
YHe a free parameter in the extended cosmological
model.

• The effective sterile neutrino mass meff
ν,s. Finally,

we should also consider the case in which the ad-
ditional degrees of freedom refer to massive ster-
ile neutrino states. If the extra massive sterile
neutrino state has a thermal spectrum, its phys-
ical mass is (∆Neff)−3/4meff

ν,s, while in case of a
non-resonant production [44] the physical mass is
(∆Neff)−1meff

ν,s. The constraints on the neutrino
parameters will obviously depend on the amount
of hot dark matter in the form of additional (ster-
ile) massive neutrino states.

V. NUMERICAL IMPLEMENTATION

To derive observational constraints within the differ-
ent extended cosmological models discussed in the pre-
vious section, we perform Markov Chain Monte Carlo
(MCMC) analyses using the publicly available pack-
age CosmoMC [45, 46] and computing the theoretical
model with the latest version of the Boltzmann code
CAMB [47, 48].

The prior distributions for all the parameters involved
in our MCMC sampling are reported in Table I. We
choose uniform priors across the range of variation, ex-
cept for the optical depth where a gaussian prior τ =
0.065 ± 0.015 is adopted, as indicated in section III. In
addition, we consider two different cases for the DE equa-
tion of state w0: in one case we assume the flat prior
reported in Table I while, in the other case, we force
w0 > −1.

Parameter Prior

Ωbh
2 [0.005 , 0.1]

Ωch
2 [0.001 , 0.99]

100 θMC [0.5 , 10]

τ 0.065 ± 0.015

log(1010AS) [1.6 , 3.9]

ns [0.8 , 1.2]∑
mν [eV] [0 , 5]

Neff [0.05 , 10]

r [0 , 3]

Ωk [−0.3 , 0.3]

w0 [−3 , 1]

wa [−3 , 2]

αs [−1 , 1]

Alens [0 , 10]

YHe [0.1 , 0.5]

meff
ν,s [0 , 3]

Table I: List of uniform prior distributions for
cosmological parameters.

For model comparison, we compute the Bayesian Evi-
dence of the different models and estimate the Bayes fac-
tors using the publicly available package MCEvidence.3

In this regard, it is important to note that the esti-
mation of Bayes factors, based on the MCMC results,
is weakly dependent on the chosen priors for cosmologi-
cal parameters. The impact of a uniform prior on

∑
mν

has been extensively discussed in the literature and we
refer to Refs. [12, 14, 15, 51–54] for further details (see
also Ref. [55] for similar considerations on the tensor am-
plitude r). On the other hand, in a recent study [11],
we have evaluated the difference in the Bayesian fac-
tors estimated using MCEvidence and those obtained
by means of proper nested sampling algorithms such as
PolyChord [56, 57]. In particular, we employed a dedi-
cated set of simulations where a 3D multi-modal Gaus-
sian likelihood was used to constrain a 3-parameter model
as the simplest case, and then compared it with two
different models featuring 4 parameters. The Bayesian
evidences obtained with MCEvidence were found to be
consistently larger than those obtained with PolyChord
by a factor of approximately e. When calculating the
logarithm of the Bayes factors, the discrepancy between
MCEvidence and PolyChord ranged between −0.5 and
0.2 for all the considered cases. We consider this differ-

3 github.com/yabebalFantaye/MCEvidence [49, 50]

https://github.com/yabebalFantaye/MCEvidence
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Figure 1: Upper panel: Posteriors of Σmν within each
model for the ACT (yellow) and SPT (light blue) data
combinations, plus model-marginalized posteriors for

the ACT (red), SPT (blue) and Planck data
combination (magenta, from [6]). The vertical dotted
lines indicate the minimum values for Σmν obtained
within normal (0.06 eV) or inverted (0.1 eV) neutrino
mass ordering. Lower panel: Same color coding than in
the upper panel, but in this case the quantity depicted
is R(Σmν , 0). The horizontal lines show values at which

R is either e−1 or e−3.

ence not significant enough to have a substantial impact
on the marginalized bounds derived in this work.

VI. RESULTS

A. Total neutrino mass

Table II summarizes the 95% CL limits on the total
neutrino mass

∑
mν obtained for the two data-sets con-

sidered in this study, within the different cosmological
models discussed in section IV. We also present the 68%
CL constraints on the additional free parameters within
each fiducial cosmology.

Comparing the constraints obtained for different pa-

rameters, we observe that the constraining power of the
two data-sets is quite similar, although ACT is more re-
strictive than SPT when dealing with the total neutrino
mass. Indeed, within a minimal ΛCDM+

∑
mν exten-

sion, at 95% CL we get
∑
mν < 0.176 eV from ACT and∑

mν < 0.197 eV from SPT, respectively. Notice that
these limits, even if they are less competitive than those
found with Planck data, are still very constraining.

Regarding the results for the additional parameters, it
is worth noting that both ACT and SPT are in agree-
ment, within one standard deviation, with a flat spatial
geometry (Ωk = 0), a lensing amplitude consistent with
its ΛCDM value (Alens = 1), and a constant dark energy
equation of state (wa = 0), matching also the expected
value for a cosmological constant (w0 = −1). Nonethe-
less, ACT shows a decrease at slightly more than 1σ in
the value of the effective number of relativistic degrees
of freedom (Neff = 2.78 ± 0.25), while SPT is in good
agreement with the expected value for this parameter.
Concerning the inflationary sector of the theory, it is
worth mentioning that both data-sets suggest a small
and positive running of the spectral index (αs). How-
ever, while SPT is consistent with αs = 0 within one
standard deviation, ACT prefers a non-vanishing running
(αs = 0.0117 ± 0.0076) at about 1.5σ. Finally, regard-
ing the amplitude of tensor modes, we obtain the 95% CL
limits of r < 0.184 for ACT and r < 0.207 for SPT. While
ACT is more constraining than SPT on primordial ten-
sor modes, these bounds are not very competitive when
compared to the most recent updated limits (r < 0.035
at 95% CL from the joint analysis of BK18 [58, 59] and
Planck 2018 data), as expected, due to the absence of B-
mode polarization in the data combinations considered
here.

By following the methodology detailed in section II,
one can marginalize over this range of models and ob-
tain a model-marginalized limit on the total neutrino
mass for both data-sets. In the case of ACT, we find∑
mν < 0.24 eV at a 95% CL, while for SPT, the limit

is
∑
mν < 0.30 eV at a 95% CL, confirming that ACT

provides stronger constraints. These results are depicted
in Figure 1, where we show the marginalized posterior
distribution function of the total mass of neutrinos for
both experiments, along with the corresponding result
obtained using Planck data. The figure demonstrates
that all experiments provide very competitive bounds,
with ACT being more constraining than SPT but less
constraining than Planck.4 However, the most impor-
tant feature to notice here is that each of them is robust,
as they provide model-independent constraint, and they
are consistent among themselves, clearly stating the ro-
bustness of current cosmological neutrino mass bounds.

4 The purple line that reports the model-marginalized Planck re-
sults is taken from [6].
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Cosmological model − ln BF
∑
mν [eV] Neff Ωk αs r w0 wa Alens

+
∑
mν ACT 5.10 < 0.176 – – – – – – –

SPT 5.96 < 0.197 – – – – – – –

+
∑
mν +Neff ACT 2.59 < 0.155 2.78 ± 0.25 – – – – – –

SPT 2.96 < 0.238 3.20 ± 0.31 – – – – – –

+
∑
mν + Ωk ACT 0.56 < 0.271 – 0.0027 ± 0.0032 – – – – –

SPT 1.08 < 0.264 – 0.0013+0.0030
−0.0034 – – – – –

+
∑
mν + αs ACT 1.16 < 0.196 – – 0.0117 ± 0.0076 – – – –

SPT 1.06 < 0.215 – – 0.0054 ± 0.0092 – – – –

+
∑
mν + r ACT 1.60 < 0.189 – – – < 0.184 – – –

SPT 2.55 < 0.217 – – – < 0.207 – – –

+
∑
mν + w0 ACT 1.49 < 0.244 – – – – −1.036 ± 0.037 – –

SPT 1.74 < 0.259 – – – – −1.024 ± 0.037 – –

+
∑
mν + (w0 > −1) ACT 0.33 < 0.159 – – – – < −0.951 – –

SPT 1.31 < 0.180 – – – – < −0.946 – –

+
∑
mν + w0 + wa ACT 0.0 < 0.361 – – – – −0.951+0.082

−0.096 −0.46+0.52
−0.35 –

SPT 0.0 < 0.353 – – – – −0.963+0.080
−0.094 −0.34+0.50

−0.33 –

+
∑
mν +Alens ACT 1.04 < 0.184 – – – – – – 0.997+0.077

−0.086

SPT 2.14 < 0.176 – – – – – – 0.916 ± 0.074

marginalized ACT – < 0.24 – – – – – – –

SPT – < 0.30 – – – – – – –

Table II: Constraints on Σmν and other parameters from the ΛCDM +
∑
mν model and its extension, and negative

logarithms of the Bayes factors with respect to the preferred model within each data combination. Upper limits are
at 95% CL, while two-sided ones are at 68% CL.
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Figure 2: The same as in the upper panel of Figure 1,
but for Neff . The vertical line indicates

Neff = 3.044 [60–62].

B. Effective number of relativistic neutrinos

Table III presents the 68% CL constraints on the ef-
fective number of relativistic degrees of freedom in the
early universe, Neff . These constraints are derived under
different background cosmologies, whose additional free
parameters are also provided in the same table for both
data-sets.

Firstly, it is worth noting that the results for Neff ob-
tained from the SPT data remain pretty consistent with
the expected value from the standard model, and the
constraints in the minimal ΛCDM+Neff extension reads
Neff = 3.14 ± 0.29 at 68% CL. On the other hand, the
agreement between the value predicted by ACT for Neff

and the standard model reference value depends, to some
extent, on the background cosmology. Specifically, both
in the minimal extension (Neff = 2.77± 0.24 at 68% CL)
and in more complicated cosmologies, we systematically
observe the same mild shift of Neff towards lower val-
ues compared to the standard model expectations, with
a statistic significance ranging between one and two stan-
dard deviations.

Allowing Neff to vary has implications for the con-
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Cosmological model − ln BF Neff
∑
mν Ωk αs meff

ν,s w0 wa YHe

+Neff ACT 4.90 2.77 ± 0.24 – – – – – – –

SPT 6.44 3.14 ± 0.29 – – – – – – –

+Neff +
∑
mν ACT 1.18 2.78 ± 0.25 < 0.155 – – – – – –

SPT 2.66 3.20 ± 0.31 < 0.238 – – – – – –

+Neff + Ωk ACT 0.61 2.68 ± 0.25 – 0.0034 ± 0.0029 – – – – –

SPT 1.52 3.13 ± 0.30 – 0.0002 ± 0.0029 – – – – –

+Neff + αs ACT 0.80 2.97 ± 0.29 – – 0.0100 ± 0.0091 – – – –

SPT 1.98 3.24 ± 0.33 – – 0.0076 ± 0.0099 – – – –

+Neff + w0 ACT 1.63 2.67 ± 0.25 – – – – −1.047 ± 0.037 – –

SPT 2.22 3.12 ± 0.32 – – – – −1.012 ± 0.036 – –

+Neff + (w0 > −1) ACT 0.0 2.82 ± 0.23 – – – – < −0.955 – –

SPT 2.04 3.22 ± 0.30 – – – – < −0.937 – –

+Neff + w0 + wa ACT 0.38 2.57 ± 0.26 – – – – −0.953 ± 0.088 −0.48+0.44
−0.35 –

SPT 0.0 3.06+0.31
−0.35 – – – – −0.987+0.076

−0.086 −0.14+0.40
−0.29 –

+Neff + YHe ACT 3.05 2.94+0.38
−0.45 – – – – – – 0.231+0.027

−0.024

SPT 6.24 3.83+0.46
−0.56 – – – – – – 0.187 ± 0.032

+Neff +meff
ν,s ACT ignored < 3.37 – – – < 0.556 – – –

SPT ignored < 3.82 – – – < 0.251 – – –

marginalized ACT – 2.79+0.30
−0.28 – – – – – – –

SPT – 3.21+0.34
−0.33 – – – – – – –

Table III: Same as in Table II but for the ΛCDM + Neff model and its extensions. Notice that the model including
meff
ν,s as a free parameter is not included in the marginalization.

straints on the other parameters in the various cosmolo-
gies, sometimes changing the conclusions discussed in the
previous subsection. For instance, while both ACT and
SPT remain still consistent with a spatially flat Universe,
when considering curvature, the preference of ACT for a
smaller Neff increases at the level of 1.5σ. In addition,
the ACT preference for a positive running is now signifi-
cantly diluted. Most notably, we observe a preference at
slightly more than one standard deviation for a phantom
dark energy equation of state, as well as a 1σ indication
for a dynamical behavior. Lastly, as previously stated,
we have also considered an extension involving the effec-
tive sterile neutrino mass meff

ν,s. Since a sterile neutrino
contributes to increase the effective number of relativis-
tic degrees of freedom, in this case we necessarily have
Neff > 3. Therefore, we can only obtain only an upper
bound on the additional contribution to the radiation
energy-density in the early Universe, which is found to
be Neff < 3.37 and Neff < 3.82 at 95% CL for ACT and
SPT, respectively. The ACT preference for a lower value
ofNeff is evident and translates into an upper limit on the
mass of the sterile neutrino that is much less constraining
for ACT (meff

ν,s < 0.556 eV) than for SPT (meff
ν,s < 0.251

eV), due to the strong degeneracy between these two pa-
rameters.

Similarly to what is done with the neutrino mass,
also in this case we marginalize over the different mod-
els (excluding the extension involving the effective ster-
ile neutrino which would artificially bias the results to-
wards higher values of Neff) and obtain robust model-
marginalized limits on Neff for both data-sets. The re-
sults are summarized in Figure 2, which shows the pos-
terior distribution function of Neff for ACT and SPT,
as well as their comparison with the result obtained by
using the Planck data. From the figure, we can observe
that ACT and SPT exhibit a similar precision, although
ACT mildly favors Neff < 3, resulting in a 68% CL
marginalized limit of Neff = 2.79+0.30

−0.28. On the other
hand, SPT suggests Neff > 3, yielding a marginalized
bound of Neff = 3.21+0.34

−0.33 at 68% CL. We would like to
emphasize that for both data-sets, the marginalized limits
show an excellent agreement consistent with the standard
model predictions.
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C. Joint analysis of
∑
mν and Neff

Table IV shows the results obtained after freely varying
simultaneously both the total neutrino mass sum and
the effective number of relativistic degrees of freedom in
several possible fiducial cosmologies. Within the minimal
ΛCDM+

∑
mν+Neff , ACT data provies a 95% CL upper

limit on
∑
mν < 0.155 eV and a 68%CL constraint on

Neff = 2.78 ± 0.25. Instead, for SPT observations, the
bounds above are

∑
mν < 0.238 eV and Neff = 3.20 ±

0.31. These results confirm that ACT provides slightly
stronger constraints compared to SPT, and show the very
same mild ACT’s preference for Neff < 3 than that found
in the previous section.

As concerns the constraints on the additional param-
eters, simultaneously varying Neff and

∑
mν does not

change significantly the conclusions drawn in the previ-
ous sections: we find the same mild preference for pos-
itive values of the running of the spectral index and an
indication at a slightly more than one standard deviation
in favor of a phantom equation of state for dark energy.

As in the previous sections, we marginalize here over
the different fiducial cosmologies, finding joint model-
marginalized limits for the two parameters. For ACT,
the limits are

∑
mν < 0.2 eV and Neff = 2.79+0.30

−0.28, while
for SPT they read

∑
mν < 0.3 eV and Neff = 3.21+0.35

−0.32.
These results are basically identical to those derived sep-
arately for the total neutrino mass and the effective num-
ber of relativistic degrees of freedom discussed in the pre-
vious subsections, clearly stating the important conclu-
sion that current cosmological measurements are powerful
enough to disentangle between the physical effects induced
by the neutrino mass and those induced by the effective
number of degrees of freedom, i.e. even if they are de-
generate in terms of the total dark mass-energy density,
the observables are sensitive to their (independent) foot-
prints.

VII. CONCLUSIONS

As cosmological constraints on neutrino masses ap-
proach the lower bounds derived from neutrino oscilla-
tion data, the need for model-independent mass limits
becomes increasingly important to evaluate the reliabil-
ity of current cosmological measurements of the neutrino
mass scale. In addition, it is crucial to assess the consis-
tency between high-multipole and low-multipole Cosmic
Microwave Background observations in measuring this
scale to further evaluate their agreement and the global
constraining power of the available data.

In this work, we consider a plethora of possible back-
ground cosmologies resulting from the inclusion of one
or more parameters, such as a running of the scalar in-
dex (αs), a curvature component (Ωk), a non-vanishing
tensor-to-scalar ratio (r), the dark energy equation of
state parameters (w0 and wa), the lensing amplitude
(Alens), the primordial helium fraction (YHe) and the

effective sterile neutrino mass (meff
ν,s). For each back-

ground cosmology, we derive up-to-date limits on neu-
trino masses and abundances by exploiting either the
Data Release 4 of the Atacama Cosmology Telescope
(ACT) or the South Pole Telescope polarization data
from SPT-3G; always used in combination with WMAP
9-year observation data, the Pantheon catalog of Type
Ia Supernovae and the BAO and RSD measurements ob-
tained from the same combination of SDSS and eBOSS
DR16 observations.

Following the Bayesian method outlined in section II,
we first marginalize over the different fiducial models to
determine a robust, model-marginalized constraint on the
neutrino mass from both ACT and SPT datasets. Our
results are reported in Table II. For the dataset involv-
ing the ACT measurements of the damping tail, we find∑
mν < 0.24 eV at 95% CL, while when ACT is replaced

with SPT the limit changes to
∑
mν < 0.30 eV. In Fig-

ure 1 we compare these results with those obtained by
exploiting the Planck data in Ref. [6]. We notice that,
while all experiments provide very competitive bounds,
ACT is more constraining than SPT (but still less con-
straining than Planck).

We repeat the same procedure for the effective num-
ber of relativistic degrees of freedom Neff , obtaining the
model-marginalized limits reported in Table III. In this
case we notice that ACT slightly favors Neff < 3, result-
ing in a 68% CL marginalized limit of Neff = 2.79+0.30

−0.28.
On the other hand, SPT suggests Neff > 3, yielding
a marginalized bound of Neff = 3.21+0.34

−0.33 at 68% CL.
In both cases, however, the marginalized constraints are
consistent within one standard deviation with the Stan-
dard Model predictions, as well as with the results ob-
tained by using Planck (see also Figure 2 where the
marginalized 1D posteriors are shown for all cases).

Finally, we perform a joint analysis of both the to-
tal neutrino mass and the effective number of relativis-
tic degrees of freedom, deriving model-marginalized lim-
its when both parameters are allowed to vary in non-
standard background cosmologies. In this case, our re-
sults are summarized in Table IV and read

∑
mν < 0.2

eV, Neff = 2.79+0.30
−0.28 for ACT, and

∑
mν < 0.3 eV,

Neff = 3.21+0.35
−0.32 for SPT.

All in all, our results clearly reassess the robustness
and reliability of current cosmological bounds on neu-
trino properties. On the one hand, they are very sta-
ble against different fiducial cosmologies and also when
model–marginalizing over them. On the other hand, mea-
surements of the CMB at different multipoles offer very
similar and consistent results.
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Cosmological model − ln BF
∑
mν [eV] Neff Ωk αs meff

ν,s w0 YHe

+
∑
mν +Neff ACT 4.71 < 0.155 2.78 ± 0.25 – – – – – –

SPT 4.74 < 0.238 3.20 ± 0.31 – – – – – –

+
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−0.0033 – – – –
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+
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SPT 0.41 < 0.325 3.40+0.35
−0.42 – 0.010 ± 0.011 – – –

+
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SPT 0.79 < 0.279 3.16 ± 0.32 – – – −1.021 ± 0.039 –

+
∑
mν +Neff + (w0 > −1) ACT 0.0 < 0.139 2.82 ± 0.25 – – – < −0.953 –

SPT 0.17 < 0.217 3.27 ± 0.32 – – – < −0.937 –
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−0.024
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+
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Table IV: Same as in Table II but for the ΛCDM + Σmν + Neff and its extensions. Notice that the model including
meff
ν,s as a free parameter is not included in the marginalization.
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We present dark matter (DM)-only simulations of halo formation and evolution in scalar field
dark matter (SFDM) cosmologies in the Thomas-Fermi regime, aka “SFDM-TF”, where a strong
repulsive 2-particle self-interaction (SI) is included. This model is a valuable alternative to cold dark
matter (CDM), with the potential to resolve the “cusp-core” problem of the latter. In general, SFDM
behaves like a quantum fluid. Previous literature has presented fluid approximations for SFDM-TF
in 1D and 3D, respectively, as well as numerical DM-only simulations of SFDM-TF halo formation,
whose results are in agreement with earlier analytic expectations, that a core-envelope halo structure
arises; a central region close to a (n = 1)-polytropic core, surrounded by a CDM-like (aka NFW-
like) halo envelope. While those previous results are generally in mutual agreement, discrepancies
have been also reported. Therefore, we perform dedicated 3D cosmological simulations of the halo
infall problem for the SFDM-TF model, as well as for CDM and its corresponding CDM fluid
approximation, where we implement both previous fluid approximations into the code RAMSES.
We compare our findings with those previous simulations. Our results are very well in accordance
with previous works and extend upon them, in that we can explain the reported discrepancies.
They are not due to the different fluid approximations, nor the geometry, but rather a result of
different simulation setups. Moreover, we find some interesting details, as follows. The evolution of
both SFDM-TF and CDM halos follows a 2-stage process. In the early stage, the central density
in the halo rises, its profile becomes close to a (n = 1.5)-polytropic core being dominated by an
”effective” velocity-dispersion pressure Pσ that stabilizes it against gravity. In fact, this pressure
stems from random orbital motion in CDM, but from random wave motion in SFDM. Consecutively,
for CDM halos, this core transitions into a steep central cusp whose slope is almost the same as the
outer density slope, which is close to ρ ∝ r−3 as expected from NFW. Finally, however, the central
profile makes another transition to a “shallower cusp”, very close to the NFW behavior of ρ ∝ r−1.
On the other hand, in the formation of the SFDM-TF halo, the additional pressure PSI due to SI
determines the second stage of the evolution. At the end, PSI dominates in the central region, whose
density follows closely a (n = 1)-polytropic core. This core is enshrouded by a nearly isothermal
envelope, i.e. the outskirts are similar to CDM at this point. We also encounter a new effect in our
simulations, namely a late-time expansion of both polytropic core plus envelope, because the size of
the almost isothermal halo envelope is affected by the “external pressure”, which decreases with the
expansion of the background universe. Hence, the core size of SFDM-TF halos is not necessarily
determined only by the parameters of the model, as our simulations reveal that an initial primordial
core of ∼ 100 pc – demanded by power spectrum constraints – can evolve into a larger core of & 1
kpc, after all, during halo evolution, even without feedback from baryons.

I. INTRODUCTION

The nature of the cosmological dark matter (DM) re-
mains an open problem in physics and astronomy. The
paradigm of collisionless, nonrelativistic – “cold” – dark
matter (CDM) has been a core feature of the cosmo-
logical standard model for almost four decades, given
its ability to explain important astronomical observa-
tions, notably on cosmological scales such as the cos-
mic web of structure, the matter power spectrum and
the temperature anisotropies of the cosmic microwave

∗ horst.foidl@outlook.com
† tanja.rindler-daller@univie.ac.at
‡ werner.zeilinger@univie.ac.at

background, as well as the elemental abundances in the
wake of Big Bang nucleosynthesis. Nevertheless, the par-
ticle nature of CDM has not yet been identified, despite
ongoing efforts to detect plausible candidates of CDM.
These are foremost “weakly interacting massive particles
(WIMPs)” that need to be heavier than the proton, or
the QCD axion with a mass of about ∼ 10−5 eV/c2. The
observation of the Bullet Cluster, which shows a clear
spatial separation of gas masses and sources of gravity is
a very convincing indication, that DM can be considered
a particle (Clowe et al. [1]). This is one reason why the
majority of the research community favors the particle
hypothesis of DM.

However, apart from the hitherto non-detection of DM
candidates, a closer analysis and comparison of theoret-

http://arxiv.org/abs/2305.12982v1
mailto:horst.foidl@outlook.com
mailto:tanja.rindler-daller@univie.ac.at
mailto:werner.zeilinger@univie.ac.at


2

ical predictions of CDM structure and galaxy formation
to observations on scales of individual galaxies, notably
dwarfs, have revealed discrepancies. These fare under the
header of “CDM small-scale problems”, which combines
a set of different issues that are partly related to each
other. In light of the work of this paper, we are partic-
ularly interested to highlight the “cusp-core problem”,
which refers to the fact that observations of the central
regions of DM-dominated galaxies seem to prefer (nearly-
)constant density “cores” of ∼ kpc size, while CDM uni-
versally predicts density “cusps” of order ρ ∝ r−1. The
question remains open what the reasons for the discrep-
ancies are and explanations broadly include e.g. a lack
of proper modelling of the full complexities of galaxy as-
trophysics, or the various complications that arise when
data is compared to models. Yet, a large community in
the field pursues the more radical idea that CDM has to
be replaced by another DM model, altogether, supported
by the fact that particle physics models have continu-
ously come up with more and more candidates for DM,
in general.

In this paper, we will be concerned with a class of so-
called scalar field dark matter (SFDM) models, whose
constituents are bosons with masses m & 10−22 eV/c2,
i.e. typically much lower than the mass of the QCD
axion. More precisely, we will consider SFDM in the
Thomas-Fermi (TF) regime, where bosons interact via a
strong repulsive 2-particle self-interaction (SI). This SI
is usually parameterized with a single coupling strength
g that describes the strength of the SI, and is a free pa-
rameter apart from m. However, the TF regime refers
to that parameter space (m, g), for which the pressure
due to the repulsive SI is the main source that stabilizes
a system in hydrostatic equilibrium against gravitational
collapse. This subclass of SFDMmodels has been dubbed
“SFDM-TF” in Dawoodbhoy et al. [2] and Shapiro et al.

[3] (henceforth abbreviated SDR22), and we will use this
notation as well. On the other hand, the term “SIBEC-
DM” has been used in Hartman et al. [4] and Hartman
et al. [5] (henceforth abbreviated HWM22). Earlier liter-
ature on SFDM-TF, using various other names, include
the works of Peebles [6], Goodman [7], Böhmer and Harko
[8], Rindler-Daller and Shapiro [9], or Fan [10].

A much more extensively studied class of SFDM mod-
els, including various constraints already derived from
comparison to astronomical data, is “fuzzy dark matter
(FDM)”. Here, the particle mass is the only free parame-
ter, for SI is disregarded from the outset. Both FDM and
SFDM-TF can provide a cure to the small-scale problems
referred to above, because the characteristic length scale
of the models, related to their Jeans lengths, can be much
larger than for CDM, resulting in a stronger suppression
of structure formation in the former. Also, these length
scales help to provide central density cores in halos made
of FDM or SFDM-TF, respectively, possibly alleviating
the cusp-core problem. However, that “success” depends

on the choice of the corresponding free DM model param-
eters, and these are subject to observational constraints
on which we will elaborate shortly.

The reason why structure formation in SFDM differs
from that of collisionless CDM has its root in the fact
that the bosons of SFDM form a Bose-Einstein conden-
sate (BEC), such that SFDM has features similar to a
quantum superfluid, albeit these features are most im-
portant on sub-cosmological scales. In general and re-
gardless of the regime in SI, the set of equations of mo-
tion for nonrelativistic SFDM consists therefore of a non-
linear Schrödinger equation (NLSE) - also called Gross-
Pitaevskii (GP) equation-, and a Poisson (P) equation.
The NLSE is the evolution equation for the complex, so-
called “wavefunction of the condensate”, whose modulus
squared is proportional to the mass density of SFDM.
Simulations of SFDM structure and halo formation have
thus employed dedicated algorithms to solve the NLSE
as a wave equation, coupled to the Poisson equation,
and this has been the method of choice in simulations of
FDM, in particular. However, this approach is compu-
tationally very expensive, once expanding backgrounds
in cosmologically representative volumes are considered,
because it requires resolutions of the order of and below
the comoving Jeans length, that shrinks with cosmic time
(see equations 65-71 in SDR22). The proper de Broglie
length reads λdeB = h/mv, where v is a characteristic ve-
locity depending on the environment, and h is Planck’s
constant. Now, for ultralight bosons, λdeB . (1 − 2)
kpc is possible by the time a simulation run gets down
to redshifts of z . 6. As a result, 3D cosmological halo
formation simulations of “FDM-only” can often not be
performed up to the present, or simulations have to be
confined in “small” boxes of a few Mpc comoving on a
side. Such simulations of FDM have been performed no-
tably in the works by Schive et al. [11, 12] and Schwabe
et al. [13], while box sizes up to 10 Mpcs have been used
by May and Springel [14]. Baryons have been included
in the first realistic FDM galaxy formation simulations
of Mocz et al. [15], which are even more computation-
ally expensive, as a result, so their simulation is stopped
at z = 5.5. One of the most important results of these
simulations concerns the finding that forming FDM ha-
los establish a core-envelope structure early on in their
evolution, and this structure evolves but remains stable
over time. On the one hand, the “solitonic cores” of these
halos have features similar to the hydrostatic equilibrium
solutions of the equations of motion. The halo envelopes,
on the other hand, exemplify a highly dynamical behav-
ior which, however, has been found to be “close” to CDM
in an averaged sense. For example by averaging over the
density in radial bins, in order to calculate radial den-
sity profiles, the exponents of that profile turn out to be
close to that of the NFW profile (Navarro et al. [16]) of
CDM halos. With respect to this overall halo structure,
3D simulations of FDM have basically confirmed previ-
ous results of analytical calculations and 1D simulations
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of FDM, see e.g. Guzmán and Ureña-López [17, 18], or
Zimmermann et al. [19].

In this paper, we study the opposite regime to FDM,
namely SFDM-TF, and the characteristic scale for these
models, that predominantly affects halo formation and
structure, is related to the TF radius to be introduced
in the next section. Suffice to say here that the proper
TF radius reads RTF ∝ g/m2, i.e. it is a fixed quantity
for given m and g, or rather for a given combination of
g/m2. For SFDM-TF, RTF ≫ λdeB for given m and g.
Thus, if we require that RTF ∼ 1 kpc, as the character-
istic scale to help alleviate the small-scale problems, and
since simulations of SFDM-TF need to resolve scales of
order RTF, we see that resolving the even smaller λdeB
becomes a computationally impossible task to achieve,
by using a brute-force calculation of the cosmological
NLSE+P (GPP) system of equations. Therefore, a new
approach has been developed in Dawoodbhoy et al. [2],
in an effort to overcome this issue, as follows. It has been
realized for a while that the NLSE+P (GPP) system of
equations can be reformulated into a set of (quantum)
hydrodynamical equations, in which the complex NLSE
transforms into two real equations, the continuity and the
momentum (Euler) equations (see next section). These
hydrodynamical equations have been used in some of the
cited literature above, especially in the study of SFDM-
TF halo structure. In fact, fluid approximations have
been also considered previously in other contexts, or for
different DMmodels. Inspired by previous investigations,
and in an attempt to model halo formation in SFDM-TF,
Dawoodbhoy et al. [2] have derived a fluid formulation
by starting from a statistical description based on an ap-
propriate phase space formulation of SFDM, in general.
This way, the quantum physics on scales of λdeB and be-
low is “smoothed-over” in a way that allows to model the
large-scale effects due to it, without having to resolve the
(arbitrary) small de Broglie scale λdeB itself. By focus-
ing on the spherically symmetric case, they were able to
derive a set of fluid equations that include the respective
pressures that arise from physics on scales of RTF due to
SI, as well as that due to “quantum pressure” on scales
of λdeB. We will summarize the most important equa-
tions in Section II. As a result, hydro solvers can be used
to model halo formation and halo structure in SFDM-
TF, for which this particular fluid approximation is valid.
Using a 1D Lagrangian hydro code in spherical symme-
try, Dawoodbhoy et al. [2] performed individual halo in-
fall calculations for different choice of RTF, starting from
redshifts z ∼ 3000, in order to study halo formation and
evolution of halo structure over time. While the analy-
sis in Dawoodbhoy et al. [2] was limited to static back-
grounds, serving as a kind of proof-of-principle that the
formalism works, the extension towards halo formation
and evolution in expanding backgrounds was presented
in SDR22. There, a calculation of the linear regime of
structure growth in SFDM-TF was also carried out, in or-
der to embed and provide the necessary initial conditions

for the subsequent nonlinear halo evolution. Performing
their simulations, both papers established for the first
time that a core-envelope halo structure also arises in
SFDM-TF models, confirming some analytical expecta-
tions of previous literature as e.g. expressed in Rindler-
Daller and Shapiro [20]. More precisely, the halo cores
found were similar to the hydrostatic equilibria of the cor-
responding equations of motion for SFDM-TF (see next
section), with core radii close to RTF that are dominated
by SI-energy, while the halo envelopes were reminiscent
of those of CDM halos, grown either in static or expand-
ing backgrounds. The formalism laid out in Dawoodbhoy
et al. [2] and SDR22, and the analysis of the results, have
revealed that the “quantum pressure” (due to the inher-
ent quantum nature of SFDM) manisfests itself as a kind
of internal phase-space velocity dispersion, which gives
rise to an effective velocity-dispersion pressure. It is this
pressure that supports virialized SFDM halos - FDM or
SFDM-TF alike - against gravitational collapse, in the
same manner than does the collective velocity-dispersion
pressure of collisionless particles of CDM in its fluid for-
malism. It is the common nature of this pressure that
explains why halo envelopes of SFDM as well as of CDM
share similar features, especially with respect to the over-
all density profiles. As will become clear in the forthcom-
ing, the energy due to this velocity-dispersion-mediated
pressure is formally close to the “thermal energy” of a
γ = 5/3 gas.

One might argue that 1D simulations lack realism and
miss out on important physical phenomena. However,
they provide unprecedented resolution, unattainable to
their counterparts in 3D. For example, halo cores RTF of
factors ∼ 10−3−10−2 smaller than the virial radius were
resolved in Dawoodbhoy et al. [2],SDR22. Such resolu-
tions will not be achieved any time soon in 3D simula-
tions of SFDM in general, nor of SFDM-TF in particular.
Hence, there is added value in performing 1D simulations,
despite the progress of newer 3D simulations, also carried
out in this paper, as will become clear in the forthcoming.

Indeed, the issue of resolution has actually become
more serious in light of some recent findings, as follows.
By extending the SFDM-TF halo formation studies of
Dawoodbhoy et al. [2] and by performing their semi-
analytic linear structure formation calculation, SDR22
found that the (unconditional) halo mass function in
SFDM-TF exhibits a cutoff at a higher halo mass scale,
than the corresponding one for FDM, albeit the sub-
sequent falloff toward smaller masses is much shallower
than for FDM. As a result, even the formation of SFDM-
TF halos of Milky-Way size is suppressed, compared to
CDM, if their primordial cores are large, RTF & 1 kpc.
Thus, it strongly appears that the model favors sub-kpc
primordial cores, RTF . 0.1 kpc, questioning the ability
of SFDM-TF to resolve the small-scale problems men-
tioned earlier. These conclusions were confirmed sub-
sequently by Hartman et al. [4] and Foidl and Rindler-
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Daller [21].

However, subsequently to Dawoodbhoy et al. [2] and
SDR22, 3D simulations of SFDM-TF halo formation have
been performed in HWM22 (they call the model SIBEC-
DM), using the cosmological N-body and hydro code
RAMSES of Teyssier [22]. Inspired by the fluid approxi-
mation of Dawoodbhoy et al. [2], which is valid for (and
limited to) spherical symmetry, HWM22 used a simi-
lar set of hydrodynamical equations for SFDM-TF, but
applied in 3D. In doing so, however, some assumptions
from 1D were carried over to the 3D setting, such as e.g.
the skewlessness of the phase-space distribution function.
Normally, the N-body module in RAMSES takes care of
the collisionless CDM dynamics, while the hydro module
is used to evolve the baryons. Now, HWM22 modified
the hydro equations within RAMSES accordingly in or-
der to perform cosmological SFDM-TF halo formation
simulations, while disabling the N-body module.

Apart from 3D, the simulations of HWM22 are also
more realistic with respect to the larger box size and the
adopted initial conditions, enabling to form several halos,
of which some merge, and to follow their evolution over
time. The computational challenges are high and, as a
result, there are two shortcomings of these simulations.
First, they have to stop their runs at a redshift of z = 0.5,
thus final snapshots of their evolved halos refer to this
epoch. Second, and more severely, the chosen value for
RTF has to be larger than ∼ 1 kpc (they chose values
of 1, 3 and 10 kpc), despite the fact that such model
parameters have been ruled out by the previous work
just mentioned. Again, it is the demands on resolution
which required high enough RTF.

The simulations of both groups, Dawoodbhoy et al. [2],
SDR22 and HWM22, share the limitation that baryons
were not included. Thus, cosmological simulations of
SFDM-TF with baryons have yet to be carried out.

Despite the differences in the scope and implementa-
tion, HWM22 confirmed many of the results reported in
Dawoodbhoy et al. [2] and SDR22, in that they confirm
the establishment of a core-envelope halo structure, with
core radii remaining close to RTF and a CDM-like/NFW-
like profile of the halo envelope. However, in contrast to
Dawoodbhoy et al. [2] and SDR22, HWM22 find that
the cores, that are initially also dominated by SI-energy,
eventually “thermalize”, such that the effective “ther-
mal energy” due to the quantum-pressure sourced large-
scale velocity-dispersion pressure will dominate through-
out the halos. The authors attribute this finding to
the possibility of mixing of fluids, that are dynamically
heated during collapse, a phenomenon that the previous
1D simulations of spherical infall of mass shells were not
able to model correctly. Interestingly, though, the results
of HWM22 seem to fit better with the semi-analytical
double-polytrope model of Dawoodbhoy et al. [2] and
SDR22, that was devised as a theoretical model to com-

pare to their 1D simulations.

This paper here was motivated by the question of
the origin of the discrepancies of the results reported
in HWM22 versus those in Dawoodbhoy et al. [2] and
SDR22, because it had remained unclear whether these
discrepancies are due to the different geometry and sim-
ulation setup, or due to the underlying equations of mo-
tion, after all. Therefore, we took up the task of perform-
ing our own halo formation simulations using RAMSES
in order to gain more insight into this question. In doing
so, we implement both sets of equations into RAMSES,
which allows us to switch between them in carrying out
the simulations. Also, we probe realistic SFDM-TF pa-
rameters by choosing sub-kpc primordial core radii for
RTF. However, we do this at the expense of smaller box
sizes, which means that our simulations are limited to
single-halo collapse calculations, such as in Dawoodbhoy
et al. [2] and SDR22, albeit in 3D. While we can thus
study halo structure and evolution in detail, up to the
present, we cannot make any statements regarding halo
statistics, nor the physics of major merging.

This paper is organized as follows: in Sec.II, we
briefly summarize the fundamental equations of motion
of SFDM, followed by an exposition of the fluid approx-
imations with their respective equations, which are at
the heart of our approach in Sec. III. Sec. IV contains
a discussion of the implementation of the fluid approxi-
mations into the cosmological code RAMSES, while the
initial conditions (ICs) are described separately in Sec. V.
Since the fluid approximations include the CDM regime,
by neglecting the characteristic SI-pressure of SFDM, we
devote Sec VI to an analysis of CDM single-halo forma-
tion and evolution. The results of this section not only
serve as a cross-check to validate that our code imple-
mentations are correct, but also confirm earlier findings
in 1D pertaining to the CDM fluid approach, thus we
discuss the evolution of halo density and pressure pro-
files that we find, in detail. As such, this section should
be useful also to readers who are generally interested in
CDM dynamics, independent of SFDM as an alterna-
tive model. Finally, Sec. VII includes our main results
concerning SFDM single-halo formation and evolution, in
the TF regime, using the fluid approximations. We detail
the comparison between the approaches used by SDR22
vs. HWM22, and put our results into perspective with
theirs, as well as our explanations regarding the reported
discrepancies. Sec. VIII contains a brief report on our
simulation run that goes beyond the single-halo dynam-
ics, which is also a cross-check of our implementations
when compared to previous work. Our conclusions and
summary can be found in Sec. IX.
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II. FUNDAMENTAL EQUATIONS

Before we introduce the fluid approximations in the
next section, that are at the core of our analysis here,
we briefly present the fundamental equations of motion
of SFDM which underlie these approximations. Regard-
less of SI regime, it is assumed that SFDM consists of a
single species of bosons with particle mass m, whose dy-
namics can be described by a complex function ψ(r, t),
which is basically the “wave function of the condensate”
of the BEC, formed by these bosons. As in standard
CDM, galactic SFDM halos are nonlinear overdensities,
compared to the background of a ΛSFDM universe which
is assumed to be homogeneous and isotropic, just as in
ΛCDM.

Individual SFDM halos in the nonrelativistic limit can
be described by a NLSE, the GP equation (see Gross
[23], Pitaevskii [24], and applied to gravity in Kaup [25],
Ruffini and Bonazzola [26]),

i~
∂ψ(r, t)

∂t
=− ~

2

2m
∆ψ(r, t) + (mΦ(r, t) +

g|ψ
(

r, t)|2
)

ψ(r, t),

(1)

which is coupled to the Poisson equation

∆Φ(r, t) = 4πGm|ψ(r, t)|2. (2)

The full system is called Gross-Pitaevskii-Poisson (GPP)
equations. The Born assignment is used, such that
|ψ(r, t)|2 = n(r, t) describes the number probability den-
sity of the bosons. The 2-boson contact SI is modelled
as the third term on the right-hand side of (1), where g
is a constant coupling strength that determines whether
the bosons interact attractively (g < 0), or repulsively
(g > 0). Together with m, it is a free parameter of the
SFDM model. Φ is the gravitational potential of the self-
gravitating halo. In addition to the nonlinear SI-term in
the GP equation, the full GPP equations are nonlinear
in any case due to their coupling, even if we set g = 0.
This case corresponds to FDM models, discussed in the
Introduction.

The assumption that all N bosons within a given halo
of volume V can be described by ψ then naturally leads
to the normalization condition,

∫

V

|ψ|2 = N. (3)

The literature has made extensive use of an equivalent
representation of GPP, (1) and (2), by transforming the
GP equation into quantum hydrodynamic equations, pi-
oneered in particularly by Bohm [27],[28] and Takabayasi
[29]. Using the polar decomposition or Madelung trans-
formation [30], the wave function is decomposed into its
phase and amplitude functions,

ψ(r, t) = |ψ(r, t)|eiS(r,t) =

√

ρ(r, t)

m
eiS(r,t). (4)

ρ(r, t) is identified as the SFDM halo mass density and
S(r, t) as the action (or phase) function. It is related to
the associated bulk velocity of the halo as follows,

v =
~

m
∇S. (5)

Making use of the “hydrodynamic variables” v and ρ,
the complex GP equation is transformed into two real
equations, which are interpreted as a continuity equation
and an Euler-like momentum equation,

∂ρ

∂t
+∇ · (ρv) = 0, (6)

∂v

∂t
+ (v · ∇)v = −∇Q−∇Φ− 1

ρ
∇PSI, (7)

∆Φ = 4πGρ. (8)

They are supplemented by the Poisson equation (8). The
involved quantities are well-known in the field, namely
the so-called quantum or Bohm potential,

Q = − ~
2

2m2

∆
√
ρ

√
ρ
, (9)

and the SI-pressure PSI, which is of polytropic form with
index[31] n = 1 and polytropic constant K = g/2m2,

PSI = Kρ1+1/n =
g

2m2
ρ2. (10)

We will also use the notation γ = 1+1/n, i.e. the (n = 1)-
polytrope is equivalent to γ = 2.

Now, let us consider the hydrostatic solution in the TF
regime, where we set ~ = 0 and v = 0 in (7), reducing it
to

− 1

ρ
∇PSI = ∇Φ, (11)

i.e. only SI-pressure balances gravity. In spherical
symmetry, it can be shown that this equation leads to
the well-known Lane-Emden equation for a (n = 1)-
polytrope, whose closed-form solution for the density pro-
file is given by

ρ(r) = ρ0
sin(πr/RTF)

πr/RTF
, (12)

with central density ρ0, and RTF is the first zero of the
density profile, which serves as the radius of the poly-
trope, see Goodman [7], Peebles [6]. This is the so-called
TF radius, which is given by

RTF = π

√

g

4πGm2
(13)
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with the gravitational constant G. Despite the fact that
two DM model parameters come in, we see that in the TF
regime, the characteristic radius of interest is fully deter-
mined by a given choice of the single parameter combi-
nation g/m2. Also, the TF radius does not depend on
the total mass of the polytrope. That is, in the con-
text of SFDM-TF halos, where cores are close to these
polytropes, their size does not depend on their (core)
mass. Hence, once we specify a SFDM-TF model by fix-
ing g/m2, we get a fixed value for RTF, independent of
core mass. Generally, we stress that RTF is subject to
constraints from astronomical observations that are able
to determine (upper) bounds on that radius, constraining
SFDM-TF models, in turn. In practice, RTF will be a
free parameter in our simulations, though its choice will
be informed by constraints just mentioned. In terms of
RTF, we can re-write the associated SI-pressure in (10)
as

PSI =
2G

π
R2

TFρ
2, (14)

which is the form that will be used in our simulations
to determine the halo SI-pressure as a function of halo
density, for fixed RTF.

Whereas PSI turns out to be easily modelled, the nu-
merical treatment of the quantum potential Q, and its
corresponding quantum pressure, is much more difficult.
Therefore, it is useful to devise “effective” means to
model the physics of Q in a computationally feasible way.
One approach will be discussed in the next section.

III. FLUID APPROXIMATIONS FOR SFDM
HALOS

It has been long realized that fluid approximations of
DM dynamics constitute both, a helpful computational
methodology, as well as a contribution to our physical un-
derstanding and comparison between different DM mod-
els.

The idea of simulating collisionless CDM by means of
fluid equations has been recurring in the literature, and
was considered especially at earlier times when realistic
N-body simulations were a bigger computational chal-
lenge than they are today. For instance, halo infall cal-
culations in the fluid picture were presented in Teyssier
et al. [32]. If fluid approximations are limited to 1D (as
they often are), they have the advantage of providing
very high resolution at a much lower computational cost
than other approaches.

To derive a fluid approximation, one usually starts
with the equation of motion for the distribution func-
tion of the system. For CDM, a collisionless Boltzmann
equation for the phase-space distribution function is in-
tegrated to obtain a set of moment equations (momen-
tum moments of the Boltzmann equation). Collision-

less particles have an infinite set of moment equations,
the BBGKY hierarchy (see Binney and Tremaine [33]).
So, the hierarchy needs to be truncated at a certain or-
der. By adopting some assumptions, one ends up with a
closed set of fluid conservation equations for collisionless
systems[34] such as CDM, the “CDM fluid approxima-
tion”.

Alvarez et al. [35] have applied this formalism to study
CDM halo formation. Adopting the universal mass as-
sembly history (MAH) reported for CDM halos from N-
body simulations, found in Wechsler et al. [36], and ap-
plying their fluid approximation, they have shown that
the resulting shape of the equilibrium halo profile and its
evolution match those of CDM N-body simulations re-
markably well. We shall add that the notion of “orbital
crossing” in collisionless N-body simulations is replaced
by the appearance of a shock wave in the fluid picture
which, upon gravitational collapse, will eventually form
and propagate outward into the forming halo envelope.
As such, it separates the interior of the eventually viri-
alized halo from the material outside of the halo. This
way, the location of the shock boundary provides a phys-
ical explanation for and interpretation as the halo virial
radius.

Ahn and Shapiro [37] developed this model further in
order to study halo formation in CDM, as well as in
self-interacting DM (”SIDM”)[38] by adopting certain as-
sumptions, namely spherical symmetry, skew-free veloc-
ity distribution and isotropic velocity dispersion. More
precisely, Ahn and Shapiro [37] derived a fluid approxi-
mation for CDM halos in spherical symmetry from mo-
mentum moments 0, 1, 2 of the collisionless Boltzmann
equation, resulting in the following set of hydrodynami-
cal equations,

∂ρ

∂t
+

1

r2
∂(r2ρv)

∂r
= 0,

∂v

∂t
+ v

∂v

∂r
+

1

ρ

∂

∂r
(Pσ) +

∂Φ

∂r
= 0,

∂

∂t

(

3Pσ

2ρ

)

+ v
∂

∂r

(

3Pσ

2ρ

)

+
Pσ

ρr2
∂
(

r2v
)

∂r
= 0,

(15a)

(15b)

(15c)

with the density ρ, the velocity v, the gravitational po-
tential Φ, and a pressure called Pσ where σ stands for
velocity dispersion. It stems from the second moment
equation, where a non-vanishing velocity-dispersion ten-
sor gives rise to an overall pressure contribution Pσ in
the system. It is the only pressure contribution in a
spherical system of collisionless particles. In fact, this
set of equations has to be accompanied by an equation of
state (EoS) which relates that pressure to density. Ahn
and Shapiro [37] found that the nature of the velocity-
dispersion pressure, under the assumed symmetries, de-
mands that Pσ ∝ ργ with γ = 5/3, valid for CDM
and SIDM, indeed. For formal analogy to gas dynam-
ics, we will often use the phrase “thermal pressure” for
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Pσ, along with the corresponding “thermal energy” that
comes with it, which will be introduced below.

Performing simulations using a Lagrangian 1D hydro
code, Ahn and Shapiro [37] also confirmed that the CDM
fluid approximation can explain very well certain univer-
sal properties, as found by N-body simulations, such as
the NFW halo density profile, or temperature profiles of
baryons in galaxy clusters; we refer to the in-depth ac-
count of these and similar results in Shapiro et al. [39].
(A further comparison between fluid and N-body sim-
ulation results have been also performed by Koda and
Shapiro [40], in the framework of SIDM.)

Inspired by this approach, Dawoodbhoy et al. [2] en-
gaged to derive a fluid approximation for SFDM in the
TF regime (”SFDM-TF”), in a similar manner by start-
ing from an equivalent equation of motion for the (quan-
tum) Wigner phase-space distribution function. In brief,
it is possible in this TF regime to coarse-grain the orig-
inal equations, using a smoothing scale that is much
larger than the de Broglie length scale λdeB , but smaller
than the characteristic structure formation scale of or-
der RTF. This is a valid approach in SFDM-TF, because
RTF ≫ λdeB . As a result, the dynamics need not be re-
solved at scales of order λdeB , which are the scales where
the quantum potential Q of equation (9) is at play. Pro-
moting its local effects to a quantum-pressure tensor, in
a similar form than what the velocity-dispersion tensor
does for the collisionless case, it is possible to encode
it through a macroscopic pressure contribution which is
isotropic, if the same assumptions are adopted as before
(sphericity, isotropy and skewless velocity distribution).
The remarkable thing is that the so-encountered pressure
has the same mathematical form than Pσ above, i.e. the
macroscopic velocity dispersion due to the presence of
the quantum potential in SFDM is also modelled in this
case via a γ = 5/3-law for Pσ.

Using their equations, Dawoodbhoy et al. [2] performed
halo formation simulations using their amended version
of said 1D Lagrangian hydro code. Their analysis was
restricted to simulations of single halos in a static back-
ground universe, whereas such single-halo infall simu-
lations were subsequently extended to expanding back-
grounds in SDR22; we display their equations 22–24 here,
using the same notation as before,

∂ρ

∂t
+

1

r2
∂(r2ρv)

∂r
= 0,

∂v

∂t
+ v

∂v

∂r
+

1

ρ

∂

∂r
(Pσ + PSI) +

∂Φ

∂r
= 0,

∂

∂t

(

3Pσ

2ρ

)

+ v
∂

∂r

(

3Pσ

2ρ

)

+
Pσ

ρr2
∂
(

r2v
)

∂r
= 0.

(16a)

(16b)

(16c)

Different from the CDM equations in (15), we have in the
momentum equation (16b), apart from Pσ, the additional
pressure PSI from (14), that originates from the repulsive

SI of SFDM-TF. However, PSI does not contribute to the
energy equation (16c), which is the same as for CDM.

Although the respective sets of equations for CDM vs.
SFDM-TF are derived from different equations of motion,
the fluid approximations look very similar. This can be
attributed to the same approximations on symmetry and
EoS that enter in both approaches. We also stress again
that the fluid approximation for SFDM-TF is especially
helpful, given the severe resolution issues pointed out in
the Introduction, that we face in modelling SFDM-TF
halo formation, particularly if sub-kpc core sizes are ex-
pected.

Now, Dawoodbhoy et al. [2] and SDR22 used an
amended 1D Lagrangian code, that was previously used
by Ahn and Shapiro [37] for CDM and SIDM simulations
of halo spherical infall and collapse, in order to calculate
the formation of SFDM-TF halos and to investigate their
structure, using the above set of fluid equations (16).
In accordance with previous analytical calculations, they
found that halos formed with a core close to a (n = 1)-
polytrope, surrounded by a halo envelope. Unsurpris-
ingly, the characteristic transition and slope of the latter
differed, depending on whether halos formed in static or
expanding backgrounds; however, in each case the halo
envelopes would be close to those found in the CDM fluid
approximation, i.e. “CDM-like”. In fact, generically, the
SI-pressure PSI dominated in the core, whereas Pσ domi-
nated in the envelope. At a radius of approximately RTF

both pressures were nearly equal.

Soon after the work of SDR22, HWM22 performed 3D
simulations of halo formation in SFDM-TF. Given the
same computational difficulties that prompted Dawoodb-
hoy et al. [2] to come up with the fluid approximation in
the first place, HWM22 used a fluid approximation, as
well. However, they used a different set of 3D fluid equa-
tions (their equations 15 – 17), which we display here as
follows,

∂ρ

∂t
+∇ · j = 0,

∂j

∂t
+∇ (Pσ + PSI) + ρ (v · ∇)v +

v (∇ · ρv) = −ρ∇Φ,

∂E

∂t
+∇ · [(E + Pσ + PSI) v] = −j · ∇Φ.

(17a)

(17b)

(17c)

Note that HWM22 uses the notation P , instead of Pσ,
and φ, instead of Φ, while j is the 3D current density.
Comparing this set of equations with those in (16), we see
that the SI-pressure PSI appears not only in the momen-
tum equation, but also in the energy equation, because
the latter includes the total energy E, not just the “ther-
mal energy” due to Pσ. Furthermore, the momentum
and the energy equation have a source term due to grav-
ity on the right-hand side, different from equations (16).
Later in this paper, we will see that these differences
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in the fluid equations make no difference in the results,
concerning halo evolution and halo structure. The form
of the 3D equations in (17) is motivated by their close
resemblance to the general fluid equations, which are im-
plemented into the cosmological code RAMSES that is
used by HWM22 to perform their simulations. Yet, we
stress that the form of (17) still assumes that the momen-
tum distribution of the phase-space distribution function
is isotropic, an assumption which is not valid in 3D in
all phases of halo evolution. By enforcing spherical sym-
metry, re-writing of the energy equation in terms of the
“thermal pressure” only, and neglecting the source terms
on the right-hand side, equations (17) reduce to equa-
tions (16).

Finally, we comment that in the 1D simulations by
SDR22, the effect of Hubble expansion is taken into ac-
count via appropriate initial conditions, while the 3D
simulations in RAMSES of HWM22 and our own ones
take advantage of a prior transformation of the fluid
equations, using super-comoving coordinates which were
introduced by Martel and Shapiro [41]; we refer to this
paper and HWM22 for more details.

In accordance with the previous 1D results mentioned
earlier, HWM22 also found a core-envelope structure of
SFDM-TF halos, but with different characteristics; in
fact they report discrepancies compared to the results of
SDR22, as follows:

• SDR22 found a clear dominance of the SI-pressure
PSI in the core, throughout the entire simulation
time of any given halo, whereas HWM22 found that
PSI eventually not dominate over Pσ in the cores of
the halos in their simulations.

• The final core radii in HWM22 are larger than the
primordial value given by RTF.

The authors of HWM22 suggest the following main rea-
sons for the discrepancies:

• There are naturally asymmetries in the 3D environ-
ment, while the 1D simulations cannot account for
these.

• The cores get dynamically heated from the en-
velopes, due to some equilibration and mixing pro-
cesses (e.g. infall of lobes of collapsing material),
which lead to a higher Pσ and thus prevents the
dominance of PSI in the cores, in turn.

Our main goal in this paper consists in determining the
nature of the reported discrepancies by performing our
own 3D simulations, using both sets of fluid equations
for the sake of a consistent comparison.

IV. IMPLEMENTING FLUID
APPROXIMATIONS OF SFDM-TF INTO

RAMSES

The scope of our investigation demands that we im-
plement both sets of equations (16) and (17) into a cos-
mological code and perform 3D halo formation simula-
tions, in order to shed light onto the discrepancies be-
tween these previous papers. Since HWM22 used RAM-
SES for their simulations, we will also use this code for
this comparison. Furthermore, we investigate the im-
plications for small-scale structure which is relevant for
observations and models.

A. Implementation by HWM22

In order to perform their 3D simulations, HWM22 used
an amended version of RAMSES, an adaptive mesh re-
finement (AMR) based code by Teyssier [22] [42]. More-
over, they used the code MUSIC by Hahn and Abel [43]
[44], to generate the initial conditions (ICs). This way,
they were able to form several halos within a 3D cosmo-
logical box with periodic boundary conditions. Several
simulations were performed with different box sizes: one
with box size of 2 Mpc, four simulations with box size of
5 Mpc and one simulation with box size of 15 Mpc.

All simulation runs were started at an initial redshift
of zini = 50, a choice which is typical for CDM cosmo-
logical simulations. As we will see, this is a shortcoming
with respect to SFDM cosmologies, because it means that
HWM22 were restricted to models that have RTF & 1
kpc.

Finally, the properties of the formed halos were ana-
lyzed at a lowest redshift of z = 0.5, because the demands
on CPU time prevented simulation runs up to the present
z = 0. In fact, the computational challenges with respect
to resolution increase even more, the closer the evolution
gets to the present time.

In contrast, the simulations in SDR22 of 1D halo in-
fall were not limited as much by resolution, though their
shortcoming is a less realistic environment, for only one
single halo at a time was simulated. Their simulations
started at matter-radiation equality zeq ∼ 3000 (or in
terms of scale factor aeq), right in order to account for
the effects of early suppression of small-scale structure
that were found from the linear growth regime of struc-
ture formation in ΛSFDM universes in SDR22, Hartman
et al. [4] and Foidl and Rindler-Daller [21]. Sufficient spa-
tial resolution was attained by using around 1000 mass
shells in their Lagrangian code; yet halos with sub-kpc
cores could be analyzed. The analysis of halo structure
was carried out at the so-called formation time af (resp.
zf) of halos; the definition of formation time can be found
in their equations 38 and 39. It is used to determine the
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earliest redshift at which the collapse of a halo of given
mass shall occur, in accordance with Klypin et al. [45].

B. Our implementation

As in HWM22, we perform SFDM-only cosmological
3D simulations using RAMSES, where we likewise mod-
ify and adapt the in-built RAMSES hydro module, that
is usually used to model the baryons in cosmological sim-
ulations, in order now to calculate the SFDM-TF fluid
dynamics, instead. At the same time, we disable the
RAMSES N-body solver, that would usually calculate
the CDM dynamics. In modifying RAMSES, we also
adapted the 1D Riemann solver in the RAMSES hydro
module, for both sets of fluid approximations, such that
we could switch between them accordingly.

More precisely, RAMSES is an AMR code that applies
the Godunov method (Godunov and Bohachevsky [46])
to solve the hydrodynamic equations in conservative form
(see equations 8 – 10 in Teyssier [22]), which we display
as follows,

∂ρ

∂t
+∇ · (ρu) = 0,

∂

∂t
(ρu) +∇ · (ρu⊗ u) +∇p = −ρ∇Φ,

∂

∂t
(ρe) +∇ · [ρu (e+ p/ρ)] = −ρu · ∇Φ,

(18a)

(18b)

(18c)

with ρ the density, u the velocity vector, e the specific
total energy, p the specific pressure (which, in non-SFDM
applications, is usually the thermal pressure of the bary-
onic gas), and Φ the gravitational potential (again, we
use the notation Φ, instead of φ). Furthermore, RAM-
SES uses the second order MUSCL scheme (van Leer
[47]) to enable 3D simulations that utilize a 1D Rie-
mann solver for equations (18), which effectively reduces
them to 1D. RAMSES provides a number of different Rie-
mann approximations and an exact Riemann solver for
configuration purpose. We adapted the HLLC Riemann
approximation[48] to reflect the necessary modifications
to equations (18), in order to implement both sets of
equations: the 3D version of (16) from SDR22 and (17)
from HWM22. To this end, we introduced two addi-
tional variables in the state vector: First, PSI which is
the specific form of the SI-pressure defined in (14), and
the second variable pσ, the specific “thermal pressure”
due to the (quantum) velocity-dispersion, according to

pσ = (γ − 1)ρ(e− 1

2
u− eSI). (19)

Here, eSI represents the specific energy contribution orig-
inating from SI, while the overall expression within the
second bracket then represents the specific internal en-
ergy; it is this energy that enters in the default caloric
EoS which is used in RAMSES. Because PSI does not

appear in the energy equation of (16), eSI is set to zero
for this set of equations.

The analysis of the simulation data as well as part of
the plots were done using the software package yt (Turk
et al. [49])[50].

C. Verifying the CDM fluid approximation

The implementation of the SFDM-TF fluid approxi-
mation into RAMSES lends itself to a comparison of a
fluid vs. an N-body cosmological simulation within the
CDM framework first, as follows. The CDM fluid ap-
proximation, as derived by Ahn and Shapiro [37], is re-
covered from equations (16), if we set RTF = 0 which
implies PSI = 0. In this case, only the velocity-dispersion
pressure Pσ remains in the equations. Thus, the cosmo-
logical simulation of halo formation in the CDM fluid
picture uses this set of fluid equations, whereas the com-
parison CDM simulation uses the standard N-body solver
of RAMSES. For this comparison, we generated the ICs
with MUSIC and applied the same cosmological param-
eters than those used for our forthcoming simulations,
summarized in Table I.

Figure 1 displays the results, where we compare the
cosmological structure formation of CDM halos using the
fluid approximation (left-hand panel) versus the N-body
solver (right-hand panel), in a comoving box of 1 Mpc size
with periodic boundary conditions (BCs). In general, we
can see that the overall structures and spatial extent of
DM halos match quite well between both kind of simu-
lations, though there seems to be more substructure in
the right-hand panel. Compared to this density field in
the N-body case that shows individual DM particles, the
smeared-out impression of the density field in the case of
the fluid approximation comes about due to the different
post-processing of the AMR grid, as the plot is built by
individual AMR cells, i.e. it shows the projected average
density in the cells, resulting in an overall lower spatial
resolution. Apart from this reason, we cannot exclude
the possibility that there is a genuine, physical “wash-
out” effect that is inherent in the fluid approximation
itself.

To our knowledge, this is the first side-by-side compar-
ison of a 3D cosmological simulation of CDM-only struc-
ture formation between the fluid picture and the N-body
approach. Of course, a thorough quantitative comparison
would be required to investigate the similarities and dis-
crepancies between fluid and N-body simulation results of
CDM, and there are only few such comparisons in the lit-
erature (see also previous citations to references, but they
are mostly limited to the 1D fluid case). Since we focus
in this paper on the single-halo infall problem in SFDM-
TF, such a dedicated methodological comparison in the
CDM regime is beyond the scope of this paper. Nev-
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FIG. 1. Evolution of ΛCDM halos in the fluid approximation (left-hand panel) vs. an N-body simulation
(right-hand panel). Each simulation starts at zini = 600; shown are the snapshots at the present z = 0. The left-hand
panel indicates the color-coded projected density distribution. The spatial resolution is determined by the AMR refinements,
where every cell holds the average density of the spatial region. The right-hand panel displays the projected mass of the DM
particles, where the location of the individual particles is not limited to the spatial resolution of the AMR grid. Owing to the
periodic boundary conditions (BCs), the halo at the bottom of the plot coincides with that at the top, in each panel.

ertheless, we feel safe to conclude that the implemented
fluid approximation yields reasonable results in the CDM
case, which makes us confident that the implementation
works correctly. (We note that the same applies to the
implementation by HWM22; setting the SI-pressure to
zero, PSI = 0, leads to the same CDM fluid approxima-
tion). In fact, we do present a detailed analysis of CDM
single-halo evolution in Sec.VI. But first, we dedicate the
next section to details concerning initial conditions.

V. ICS FOR HALO FORMATION

We performed SFDM-only cosmological simulations
with the same set of cosmic parameters as used in our
preceding work Foidl and Rindler-Daller [21], determined
by Planck-Collaboration [51], shown in Table I.

We provide this table for the sake of completeness. Not
all parameters are relevant for the generation of ICs and
the runtime configuration of RAMSES.

A. ICs for the cosmological box

We generated the initial conditions (ICs) such that a
perturbation-overdensity is placed in the center of a cos-
mological box, whose size is sufficiently large to contain
the matter to build up the halo of given (final) mass.
We performed simulation runs in order to study the for-
mation, evolution and structure of a halo of Milky-Way
size with 1012 M⊙, as well as a dwarf-galactic-size halo

TABLE I. Cosmological parameters from Planck 2018

Parameter Value Comment
H0 67.556
TCMB [K] 2.7255
Nur 3.046
Ωγ 5.41867×10−05 derived from TCMB

Ων 3.74847×10−05 derived from Nur

Ωb 0.0482754
ΩSFDM 0.263771
ΩΛ 0.687762
Ωk 0
τreio 0.0925
As 2.3×10−9

ns 0.9619 adiabatic ICs

of 109 M⊙. In all simulations, we chose a fixed value
of the primordial core radius of RTF = 110 pc, i.e. the
SFDM-TF model parameters are the same in each sim-
ulation (see Foidl and Rindler-Daller [21] for constraints
on SFDM-TF parameters). This way, we can investigate
whether a given primordial core affects halos of various
final mass and size over the course of their evolution dif-
ferently. To fix the starting point of our simulations,
we used equations 38 and 39 of SDR22 to determine the
earliest redshift at which the collapse could occur. Yet,
we also performed simulations with a range of starting
redshifts, zini = 3400; 1000; 600; 200; 50 in order to inves-
tigate the impact of this choice for zini. It turned out
that zini = 600 is roughly the latest possible time of col-
lapse to form halos of the above mass, in accordance with
Klypin et al. [45]. In the consecutive simulations, we used
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thus zini = 600 as the fiducial starting redshift to com-
pare our results, based on the different sets of equations
that we implemented. In fact, our results do not change
if we choose an earlier redshift than 600, except for the
higher demands on computation time.

The size of the simulation box is set to 4 Mpc co-
moving on a side, applying periodic boundary conditions
(BCs). The initial spatial resolution, sufficient for the ini-
tial density profile, was set to ∼ 25 kpc comoving, which
is increased dynamically by the AMR mechanism down
to ∼ 0.1 kpc comoving, in regions where necessary. The
spatial resolution of the AMR grid, described as comov-
ing, has to do with the fact that it is related to the scale
factor, i.e. in the early stages of the evolution, where
the spatial resolution is very important, it is significantly
larger than in the late stages (see the fluctuations de-
picted in Figures 6, 9 and 10). We first present and focus
mostly on the results for the Milky-Way-type halo, while
the results of and comparison with the dwarf-galactic-
type halo is presented afterwards. This way, we can also
put our results better into perspective in terms of RTF.

B. Initial density profiles

In SDR22, the choice of the initial density profile was
crucial, because it determined the mass assembly his-
tory (MAH) of the (single) halo, which was the key to
correctly model the cosmological environment. In con-
trast to that, RAMSES implements the cosmological en-
vironment “for free”, so to speak. However, we wanted
to investigate the potential influence of the initial den-
sity profile onto the final halo structure. Therefore, we
tested several IC density profiles to this end. We chose
i) a tophat profile, which is often used in the litera-
ture to model halo infall; ii) a linear density profile; iii)
and an (ǫ = 1/6)-profile, which corresponds to a scale-
free, spherical, linear perturbation with a growth rate
of dM/M ∝ M−1/6 (see SDR22 and references therein).
Figure 2 displays the results of the impact of the differ-
ent chosen initial density profiles onto the evolution of a
SFDM-TF halo. The initial profiles were built with the
same amount of overdensity at the center of the box and
filling the box to its boundaries. We can see that the
shape of the final halo profiles differ somewhat, for dif-
ferent initial profiles. Still, in each case we see a pile-up
of material in the halo center, which is separated from
a milder decline in density in the halo outskirts. This
pile-up is initially extremely pronounced for the tophat
profile, compared to the linear profile and the spherical
perturbation. When the outer boundary of the tophat
profile, at z ∼ 3, reaches the pile-up of matter in the cen-
ter, the infall of matter ceases and the profile develops
an inner and an outer part with a milder decline there.
The linear profile displays a much milder growth of the
central pile-up of matter and we can see the formation
of a shock front moving outward. Such a shock front is
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FIG. 2. SFDM-TF halo evolution for different choice
of initial density profiles. The solid lines display the den-
sity profile of a halo during its evolution, color-coded by red-
shift but note the different z-range between panels! Each
panel displays halo density profiles over time, initiated by a
tophat profile (top panel), a linear profile (middle panel), and
a scale-free, spherical perturbation (bottom panel). In each
case, we see that the halo density builds up smoothly but
quickly toward the center, while a clear core-envelope halo
structure evolves. The consecutive shock wave (recognizable
as the steep gradient that forms after z ∼ 10) propagates out-
ward, transporting excess material from the inner regions to
the outskirts of the halo.

also seen in the profile with the spherical initial pertur-
bation. However, no shock front is formed in the case
with the initial tophat profile. After the rapid increase
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of the density in the center (for the linear profile and
the spherical perturbation), the consecutive shock wave
transports excess material from the inner regions to the
outskirts of the halo. The shock front is recognizable as
the steep density gradient that emerges at redshifts lower
than z ∼ 10, which itself propagates outward.

In the subsequent simulations, the location of this
shock front at the present time, z = 0, serves as a phys-
ical approximation for the halo virial radius, assuming
such virialization is (approximately) achieved.

In SDR22, the shape of the initial profile served as a
way to provide a realistic expanding background for their
1D simulations, especially in terms of mass infall. Our ex-
periments here show that the cosmological environment
of RAMSES is very robust in that we need not construct
an “artificial” mass assembly history, from the chosen
profile. However, as the (ǫ = 1/6)-profile is the most re-
alistic IC, in terms of the expanding cosmological back-
ground, we decided to use this profile in the subsequent
simulations. In fact, this choice of initial profile leads to
a clear core-envelope halo structure (see Figure 2), which
was also found in the simulations of SDR22 and HWM22,
respectively.

Before we leave this section, we like to point out that
the format of the IC files which RAMSES uses, has no
place to specify an initial pressure. Instead, RAMSES
uses an approximation of the average temperature (nor-
mally due to the presence of baryons) to compute the
initial pressure. We adopt this default behavior of RAM-
SES, in that we assign Pσ to RAMSES’ thermal pressure
of equ.(19) (since formally it is the same), while PSI is
determined according to (14). In contrast, HWM22 in-
troduced a free parameter ζ, which is the ratio of Pσ

over PSI at zini and is supposed to be much smaller than
one, in order to specify the initial value of their pres-
sure. However, they find that their simulation results
are rather insensitive to this parameter, a finding that is
also in accordance with our comparison to their results.

VI. FORMATION AND EVOLUTION OF CDM
HALOS

We start our series of simulations by studying first the
formation of CDM halos in the CDM fluid approxima-
tion, where we set RTF = 0, implying PSI = 0, in our
SFDM-TF fluid equations, which implies standard CDM
behavior. This way, we can also convince ourselves that
the fluid approximation gives reasonable results when ap-
plied to the CDM regime, before we move on to the study
of SFDM-TF halo formation.

A. The properties of the shock wave in CDM halos

In Sec. VB we investigated the impact of the initial
density profile on the structure of the forming halo. We
could see that the collapsing matter concentrates in the
center of the forming halo, where a shock wave builds
up and transports excess material to the outskirts of the
halo. As a result of this process, a nearly isothermal halo
envelope forms.

It is interesting to see that this isothermal structure
forms immediately when the shock front moves outward,
starting at z ∼ 25, and is not a result of a relaxation
following the formation process. So, we now take a look
at the properties of the shock wave as it moves outward
during the formation of the halo, as depicted in Fig. 3.

The well-known Rankine-Hugoniot conditions (Mac-
quorn Rankine [52] and Hugoniot [53]) in (20) relate
hydro- and thermodynamic quantities in front (subscripts
0) and behind a shock front (subscripts 1):

ρ1
ρ0

=
γ + 1

γ − 1

T1
T0

=
γ − 1

γ + 1

P1

P0
,

(20a)

(20b)

where we use the general notation P for the pressure
and T for the temperature. For CDM, P corresponds to
Pσ, in fact. The adopted fluid approximation demands
γ = 5/3 for CDM, and the same is true for SFDM-TF,
or SIDM, concerning this effective pressure contribution
from velocity dispersion; see Sec III. By (20a), this im-
plies that the passing of the shock front leads to an in-
crease in density by a factor of 4 across the shock.

However, the derivation of the Rankine-Hugoniot con-
ditions assumes a shock front of zero thickness, which is
clearly a simplification of reality. Indeed, in simulations
such shock fronts have always finite size, and we can also
see this in our simulations. In the example of Fig. 3
(top panel), the shock front extents to almost 1 kpc.
As mentioned already, we recognize that an isothermal
halo envelope builds up, as soon as the shock front has
moved through the forming halo. Hence, we can assume
that T1 = T0. Indeed, the actual shock front is close to
an “isothermal shock”, corresponding rather to the limit
case γ = 1, as seen in the bottom panel of Fig. 3, where
the pressure across the shock changes by a large factor
of ∼ 400.

This means that the envelope is left in an isothermal
state as the shock wave moves outward, prior to going
through a phase of virialization. This confirms the re-
sults found in Dawoodbhoy et al. [2] (see their Figure 4)
and SDR22 (see their Figure 2). This is remarkable, as
they use a 1D Lagrangian code with artificial viscosity
to handle the shock waves, in contrast to our 3D simu-
lations which apply the Godunov method based on the
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FIG. 3. Shock front in CDM halo formation. The top
panel displays the density profile during the formation of a
CDM halo, shown at z ∼ 19. The shock front is located be-
tween ∼ 2−3 kpc. We see that immediately with the outward
moving shock front an isothermal envelope establishes with a
slope of −2; the shock is “isothermal”. The inner region has
the shape of a (n = 1.5)-polytrope. The bottom panel dis-
plays the corresponding pressure profile of the halo at the
same redshift. For CDM, Pσ is the only pressure contribu-
tion. Outside the shock front, Pσ displays a steep fall-off, as
there is no significant velocity dispersion left.

Riemann problem. So, we have two different method-
ologies to model shocks which yield compatible results.
Although artificial viscosity leads to a “smearing out” of
the shock front in the 1D simulations, this effect is com-
pensated by the high spatial resolution attained in 1D.
As a result, the spatial resolution of the shock front is
comparable to the one gained from the AMR mechanism
in our 3D simulations. However, we stress that the inner
region of the halo is better spatially resolved in the 1D
simulations.

Moreover, we recognize in Fig. 3 (top panel) the for-
mation of a core which is close to a (n = 1.5)-polytrope.
For this and later comparisons, we plot polytropes of dif-
ferent index n in Fig. 4, as an illustration.
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FIG. 4. Density profiles of Lane-Emden polytropes.
The left-hand panel displays polytropes in linear scale; the
right-hand panel displays polytropes on log-log scale. Both
panels display exemplary solutions to the Lane-Emden equa-
tion, with indices indicated in the legends. The x-axes display
the dimensionless radius ξ and the y-axes the dimensionless
density θ, with the same central density for each polytrope.
The radius of the polytrope grows with increasing n.

More precisely, in the early stages of CDM halo for-
mation (z ∼ 19), the inner region is close to a (n = 1.5)-
polytrope (corresponding to γ = 5/3), which balances
the gravity of the accumulated matter that falls onto the
halo. At z ≈ 7.5, Pσ is not sufficient to balance that
gravity anymore and mass continues to pile up in the
central region, steepening the slope of the density pro-
file. Eventually, a cusp-like feature emerges similar to
NFW profiles and expected for CDM halos, which we
discuss in Sec. VI B.

We also show the corresponding pressure profiles Pσ

within the CDM halo in the bottom panels of Fig. 3 at
z ∼ 19, and in Fig.5 at z ∼ 7.5, respectively. For CDM,
Pσ is the only pressure contribution. At both redshifts,
we see a steep fall-off of this pressure outside the respec-
tive shock front, as a result of the corresponding drop in
the velocity dispersion.

To put these results into perspective, we note already
here that in the formation of a SFDM-TF halo, the ad-
ditional pressure component PSI related to γ = 2 plays
an important role and changes the outcome as follows.
PSI builds up comparatively more slowly, but eventually
dominates over Pσ in the later stages of the evolution
(see Sec. VII C). As a result, this pressure component is
able to balance gravity through the entire evolution of the
halo, such that a halo core forms not only temporarily
but remains in place and finally acquires a shape close to
a (n = 1)-polytrope (corresponding to γ = 2), in contrast
to the cusp in CDM halos. We discuss these findings in
Sec. VII.

B. CDM halo profiles

In this subsection, we draw our attention to the density
and pressure profiles as the CDM halo forms and evolves
up to the present. In Fig. 5, we show a halo of mass
1012 M⊙ at its formation time z ∼ 7.5 (this is the same
halo as shown in Fig. 3 at an earlier redshift). At this for-
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mation time, we can see that the earlier inner (n = 1.5)-
polytropic core –that we see in Fig. 3– has transitioned
into a steep cusp, because of the continuous pile-up of
matter in the center. Its slope is close to ρ ∝ r−2.7 (see
also Fig. 6 for this same snapshot in redshift), and is just
as steep as the outer slope of the envelope! That outer
slope is already close to the characteristic NFW behavior
of ρ ∝ r−3.

In the bottom panel of Fig. 5, the corresponding pres-
sure profile Pσ of the same halo at the same redshift
is shown. We stress again that the pressure drops off
steeply, as a result of the shock front, as outside of it
there is no significant velocity dispersion left. In fact,
this finding has been also reported for CDM halos in the
fluid approximation in Ahn and Shapiro [37].

As time progresses, the central region of the CDM
halo makes another transition back to a shallower pro-
file, which can be best seen in Fig. 6, which shows the
evolution of the halo density profiles all the way down to
z = 0. As of z ∼ 0.9, we see a flattening of the central
profile, and at z = 0 the central profile goes, indeed, like
ρ ∝ r−1.15, thus very similar to the characteristic NFW
cusp of ρ ∝ r−1. In fact, this transition from the steeper
cusp to the shallower ∼ r−1 cusp can be also inferred by
looking at Figure 1 of SDR22: at the halo formation time
(a = af ; a being the scale factor), the profile is steeper
than at the later time of 5af , also shown in that figure.
We should also stress that the “would-be bump” in the
density in the inner region of the CDM halo is the result
of a mere dynamical fluctuation, i.e. it is temporary and
not a persistent feature.

Fig. 6 now clearly displays how the collapse of the ini-
tial (ǫ = 1/6)-profile is followed by an increase in density
in the center with time, establishing a cuspy profile. Once
the density and pressure are high enough to withstand
the pressure of the infalling matter, it is reflected and a
shock wave forms, which moves outward and transports
material back into the outskirts of the halo. This shock
front then separates the halo from the surrounding en-
vironment, providing a proxy for the virial radius of the
halo. At the final snapshot z = 0, its location is around
300 kpc, i.e. a reasonable number for the virial radius of
this halo of 1012 M⊙.

Overally, our findings confirm previous results by Ahn
and Shapiro [37], Dawoodbhoy et al. [2] and SDR22 for
the CDM regime, in terms of halo structure. This way,
our 3D fluid simulations of CDM in RAMSES also con-
firm the usefulness and robustness of previous results ob-
tained for 1D. Finally, our fluid approximation reveals
present-day CDM halo density profiles which are in good
accordance with the analytic NFW profile, originally de-
vised from fits to CDM N -body simulation data.
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FIG. 5. Formation of a CDM halo of mass 1012 M⊙.
Top panel: density profile at the formation time (z ∼ 7.5).
Toward the center the density profile develops a steep slope,
i.e. a cusp, which is a characteristic feature of CDM halos. In
the outskirts, the profile transforms to that of a nearly NFW-
like envelope, with a slope of ρ ∝ r−2.7; its boundary is set
by the outward moving shock front. Bottom panel: pressure
profile Pσ for the same halo at the same redshift as in the top
panel.

VII. FORMATION AND EVOLUTION OF
SFDM-TF HALOS

A. Comparing the two fluid approximations

In the first step of our SFDM-TF halo simulations,
we compare both sets of fluid approximations, the 3D
version of equations (16) from SDR22 versus equations
(17) from HWM22. In the forthcoming, we call the sim-
ulations based on SDR22 as “Var1” (”variant 1”). Re-
member that in these equations, the pressure PSI appears
only in the momentum equation, but not in the energy
equation which deals solely with Pσ. Also, the source
terms from self-gravity of the fluid are ignored. On the
other hand, we call the simulations based on HWM22 as
“Var2” (”variant 2”). Here, PSI contributes to the mo-
mentum equation and to the energy equation. Moreover,
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FIG. 6. Evolution of a CDM halo of mass 1012 M⊙. The
color-coded solid lines display the evolution of the halo density
profile, beginning with the collapse of the initial (ǫ = 1/6)-
profile all the way to the present at z = 0. We can see a
constantly rising density in the central region. At z ∼ 25, the
shock wave begins to form and moves outward. After the halo
formation time at z ∼ 7.5, the inner (n = 1.5)-polytropic core
of the halo transitions to a cusp, steepening to ρ ∝ r−2.7. As
time progresses, the halo keeps growing in mass by accreting
further material from the surroundings. By z = 0 the inner
profile has flattened to ρ ∝ r−1.15, i.e. very similar to a NFW
cusp of r−1.

the source terms due to gravity are not neglected.

We followed the procedure described in SDR22 and
simulated the collapse of a single SFDM-TF halo with an
initial, spherically-symmetric (ǫ = 1/6)-profile, placed in
the center of the box. However, whereas SDR22 estab-
lished their cosmological environment in their 1D simu-
lations by adopting the universal CDM mass assembly
history (MAH) found by Wechsler et al. [36], our RAM-
SES simulations apply ICs according to the description in
Sec. VA; the cosmological environment (i.e. the expand-
ing background universe, etc.) is handled by RAMSES in
a standard way. On the other hand, the RAMSES simu-
lations by HWM22 were not initialized from a spherical
infall model, but their ICs were generated with MUSIC.
As a result, when HWM22 analyzed their halos at their
final snapshot of z = 0.5, these halos have undergone
minor and major mergers.

We show the results for the density and pressure pro-
files of our simulated halo of mass 1012 M⊙, at its for-
mation time of z ∼ 8 in Fig. 7 for “Var1”, and at z ∼ 9
in Fig. 8 for “Var2”, respectively. This difference in for-
mation time amounts to less than ∼ 10 % of the cosmic
time. We think it stems from the numerical resolution
issues that arise in “Var1”, as discussed shortly.

The left-hand panel of Fig. 7 displays the density pro-
file of the SFDM-TF halo at formation time, which is also
the time when the shock front has moved outward, sep-

arating the almost isothermal envelope of the halo from
that region, where infall of DM onto the newly formed
halo is taking place. Toward the center, the density pro-
file develops a close resemblance to a (n = 1)-polytrope.
The right-hand panel displays both pressure contribu-
tions: the red solid line shows PSI and the blue solid line
Pσ. Within the core, PSI dominates over Pσ, whereas
at the edge of the core both pressures are nearly equal.
The fluctuations of Pσ in the center of the core are artifi-
cial and caused by the AMR mechanism, in combination
with the chosen spatial resolution of the simulation. As
a result of this limited resolution, the core size exceeds
the expected RTF predicted by the (n = 1)-polytrope.
We tolerated this behavior in our comparison, because
our main interest was to clarify the characteristics of
the pressure contributions. Otherwise, the CPU require-
ments would have been too demanding, an issue that was
also pointed out in HWM22.

The results of Fig. 7 using “Var1” basically confirm
the earlier finding in 1D presented in SDR22, concerning
the core-envelope structure and the dominance of PSI in
the core.

Figure 8 displays the results of “Var2” at the formation
time of the SFDM-TF halo. Remember, in this variant
PSI contributes to both momentum equation and energy
equation. Again, the left-hand panel displays the density
profile. In contrast to “Var1”, we see less fluctuations in
the central region. This difference in the resolution be-
tween “Var1” and “Var2” is caused by the fact that the
modified gradients in the energy equation of “Var2” force
the AMR mechanism to create a higher spatial resolution
in the early stage of halo formation; this effect is also
noticeable by the significantly increased CPU resources
for “Var2”. In other words, the spatial (and time) res-
olution in “Var2” is higher than in “Var1”, because the
additional gradient of the former - thanks to the addi-
tional pressure term in the energy equation - leads to
an enforced better resolution in the AMR mechanism.
As a result, the artificial fluctuations in the density as
well as in the pressures go away when “Var2” is used.
Therefore, the core size is also smaller than its counter-
part in “Var1”, and the core density now follows very
closely a (n = 1)-polytrope, in terms of slope and radius
RTF. On the other hand, the envelope displays the same
nearly isothermal profile, ending at the shock front, which
isolates the halo from the infalling background matter.
However, due to the numerical fluctuations in “Var1”,
the pressures stabilize at a later time for this case, which
we think explains the small difference in the formation
time/redshift of the halos between “Var1” and “Var2”.

Now interestingly, in the right-hand panel of Figure 8,
we can see that PSI also dominates over Pσ within the
core and out to the edge of it, using “Var2”. There-
fore, we conclude that the use of the different set of fluid
equations, “Var1” vs. “Var2”, is not the reason for the
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FIG. 7. Formation of a SFDM-TF halo of mass 1012 M⊙ using “Var1”. The left-hand panel displays the density profile
of the halo at its formation time (z ∼ 8), using the 3D version of the fluid approximation of SDR22; we call it “Var1”. The
central profile is similar to a (n = 1)-polytropic core. At the edge of this core occurs a transition to a nearly isothermal profile,
which is terminated by the outward moving shock front, formed by the external pressure of the accreting DM and background
pressure. The right-hand panel displays the two pressure contributions, PSI (red solid line) and Pσ (blue solid line), again at
the formation time. We can see that PSI dominates in the core by a factor of ∼ 5, whereas Pσ dominates in the envelope
by ∼ 3 orders of magnitude. At the edge of the core, the pressures are nearly equal. The central fluctuations in the density
and pressures are a numerical artifact, caused by limited spatial resolution in the central region in the AMR mechanism of
RAMSES. As a result, at this redshift the core size exceeds RTF by a factor of ∼ 3. (However, this “core expansion” must not
be confused with the expansion of halos, and their cores described in Sec. VIIB.)
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FIG. 8. Formation of a SFDM-TF halo of mass 1012 M⊙ using “Var2”. The left-hand panel displays the density
profile of the halo at its formation time (z ∼ 9), using the equations of HWM22; we call it “Var2”. We recognize a similar
establishment of a core-envelope structure, with the same characteristics as in Fig. 7 (see caption there). However, in contrast to
the case of “Var1”, the core density is very close to a (n = 1)-polytrope, with a radius close to RTF, as well. This difference has
to do with resolution issues in “Var1”, discussed in the main text. The right-hand panel displays the profiles of the pressures,
PSI (red solid line) and Pσ (blue solid line), again at the formation time. We see the same features as in the “Var1” run: PSI

dominates in the core by a factor of ∼ 3, whereas Pσ dominates in the envelope by ∼ 3 orders of magnitude. The pressures are
nearly equal at the edge of the core. Hence, we conclude that the use of the different set of fluid equations, “Var1” vs. “Var2”,
is not the reason for the discrepancies between the results in SDR22 vs. those in HWM22, concerning the pressure profiles.

discrepancies between the results in SDR22 vs. those
reported in HWM22 concerning the overall run of the
pressure profiles. We will get back to this point in the
next subsections.

In Sec. VIA we discussed the properties of shock waves

in the formation of a CDM halo. In the early stages of the
formation of the CDM halo, a similar core-envelope struc-
ture, as seen in the formation of the SFDM-TF halos in
Fig. 7 and 8, is present in the CDM halo; see Fig. 3. How-
ever, while CDM halos eventually develop a central cusp,
SFDM-TF halos preserve their core-envelope structure



17

over time. Here, PSI balances gravity, as PSI dominates
over Pσ in the core, during the late phases of the evolu-
tion of the SFDM-TF halo, which is in accordance with
SDR22. On the other hand, Pσ dominates over PSI in the
envelope, which is also consistent with SDR22. The find-
ings of Sec. VIA can be applied to SFDM-TF halos, as
well, but have to be seen in the context of the mutual ef-
fect of the two contributions to the pressure, Pσ and PSI.
In the very early stages of halo collapse, Pσ dominates
while the polytropic core is about to build up. Once this
process is completed, the shock front forms and begins
to move outward, which can be seen in Fig. 9, where the
shock front appears at z ∼ 20 (see also Sec. VII C).

In contrast, HWM22 report a similar resulting core-
envelope halo structure, but they find that the cores, too,
are dominated by Pσ by the time of their final shapshots.
The authors interpret this difference to SDR22 as a con-
sequence of mixing, which leads to a dynamical heating
of the core as the shock-heated outer layers mix with the
core. Since the spherically-symmetric 1D simulations of
SDR22 are blind to such mixing effects, it can explain
the discrepancies.

However, we have seen that our 3D simulations pro-
duce similar results between “Var1” and “Var2”, thus
mixing may not be the final explanation for the differing
results. We will discuss this in more detail in the next
subsections, but we should stress that, unfortunately, the
y-axis of Figure 5 in HWM22, which is comparable to
our Figures 7 and 8, does not extend all the way down
to lower numbers, in order to reveal the location of the
shock front at larger halo-centric distance. At least in
the late stages of halo evolution, there should be a shock
front, and these outer regions are too far away from the
core in order to mix with the matter in the core. In fact,
as we will see shortly, we attribute the difference in the
results between HWM22 vs. SDR22 and ours here to the
limited simulation run time of HWM22, i.e. they start
their simulations much too late in terms of zini. Also,
they analyze their halos at a snapshot quite earlier than
z = 0.

B. Evolution of SFDM-TF halos

In Sec. IVA we already noted the differences in the
simulation setup of SDR22 vs. HWM22, where we em-
phasized that SDR22 analyzed the structure of their
SFDM-TF halos at the formation time, whereas HWM22
analyzed their halos at a final snapshot at redshift z =
0.5.

In the last subsection, we focused on the density and
pressure profiles of our simulated halos, which resulted
from different fluid approximations, “Var1” and “Var2”,
respectively, at their formation time. Now, we show the
overall evolution of these halos, from the initial collapse

redshift of zini = 600 all the way to redshift z = 0. We
display the results in Fig. 9.
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FIG. 9. Evolution of a SFDM-TF halo of mass 1012 M⊙

from zini = 600 to z = 0. The color-coded solid lines dis-
play the evolution of the density profile, beginning with the
collapse of the initial (ǫ = 1/6)-profile down to z = 0 within
a 4 Mpc simulation box (top panel: “Var1”; bottom panel:
“Var2”). The halo density continuously grows in the center
and at z ∼ 24 the shock wave forms and begins to move out-
ward, establishing a clear core-envelope structure. The core
is close to a (n = 1)-polytrope at the formation time (z ∼ 8
in the top panel, z ∼ 9 in the bottom panel), surrounded
by a nearly isothermal envelope. After the formation of the
halo, the halo keeps growing in mass and size. Eventually, the
core expands and flattens out by z ∼ 4, losing its polytropic
shape. There are no substantial differences in the results be-
tween “Var1” and “Var2”.

Comparing our results for “Var1” and “Var2”, we
see no substantial differences between them. We can
see, that our forming halos conform to the results of
SDR22. Moreover, we can see the transformation from
the (n = 1.5)-polytropic core, in the early stages of the
evolution, to the final (n = 1)-polytropic core, beginning
at z ∼ 20. After some period of almost constant size, the
polytropic core flattens out and both core and envelope
expand. We interpret this effect to be a consequence of
the expansion of the background universe, as follows. It
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is a well-known fact that the size of an isothermal sphere
is determined by the surrounding pressure. This external
pressure has two contributions: the density of the back-
ground universe and the pressure of the infalling matter.
As the density of the background universe decreases with
its expansion, the envelope grows and consecutively the
core also expands. We will put this result into perspec-
tive in Sec. IX. Furthermore, we can see that the density
at the outer edge of the shock front steadily decreases
from ρ/ρc ∼ 102, beginning with the formation of the
shock front at z ∼ 24, to ρ/ρc ∼ 3 at z ∼ 4. Subse-
quently, the density at the outer edge of the shock front
remains constant.

Given the fact that only the density of the background
universe seems to determine the size of the envelope, we
think that there is no pressure originating from the infall
of matter onto the halo anymore by and after the time
of about z ∼ 4. In contrast, the simulations of SDR22
enforce their adopted MAH throughout their entire sim-
ulation, and they do not see an expansion of core, nor
envelope. Given this difference, we conclude that at the
time when the halo begins to expand and the density at
the outer edge of the shock front remains constant, there
is not enough matter left in our simulation box, thus the
infall of matter onto the halo ceases. In order to test
this assumption, we repeat the simulation of the same
SFDM-TF halo but in a 12 Mpc simulation box with
an accordingly increased spatial resolution. Also, we use
“Var2” for this simulation, because of its better overall
resolution characteristics. The result is shown in Fig. 10.

We can see that the overall evolution of the halo den-
sity follows the same pattern than in the previous case
with the smaller simulation box. However, in contrast to
the smaller box, where the density of the polytropic core
decreases abruptly (z ∼ 7), and envelope and core begin
to expand, this transition proceeds more smoothly in the
larger box. The reason is as follows: in the smaller box,
the infall of matter stops more or less abruptly, which
leads to a sudden expansion of the envelope, as a re-
action to the decreased pressure and the expansion of
the background universe. On the contrary, in the larger
box the infall of matter diminishes more slowly, as the
density decreases more slowly with the expansion of the
background universe. It seems that by redshift z ∼ 4 the
infall of matter does not anymore dominate the “external
pressure” exposed on the isothermal halo envelope. Fi-
nally, at z = 0, the location of the shock front is at ∼ 300
kpc, which is a reasonable value for the virial radius of
the halo. A similar value was found in the CDM case in
the previous section. In fact, this size of the halo agrees
well with observations; e.g. Posti and Helmi [54] found
Rvir = 287+22

−25 kpc for the Milky Way.

We note that this whole evolutionary trend in the sim-
ulations remains the same, if we pick different initial red-
shifts of zini = 3400; 1000. There are differences, how-
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FIG. 10. Evolution of a SFDM-TF halo of mass
1012 M⊙ from zini = 600 to z = 0, using “Var2” and
a 12 Mpc simulation box. The color-coded solid lines dis-
play the evolution of the density profile, beginning with the
collapse of the initial (ǫ = 1/6)-profile down to z = 0 in a
12 Mpc box. The overall evolution of the density follows the
same pattern than in the case shown in Fig.9 (see caption
there). Likewise, as seen in Fig. 9, we recognize an expanding
envelope and core. But in contrast to the 4 Mpc box, the
transition seen here, from the polytropic core to the extended
core, does not happen as abruptly as before. Instead, there is
a smooth transition beginning at z ∼ 4.

ever, if halo collapse is initiated at substantially later
zini, as seen in Fig. 15 to be discussed later.

Now, we finally turn our attention to the simulation of
a lower-mass halo, where we choose 109 M⊙ as a typical
host halo for ultra-faint dwarf galaxies. These constitute
the smallest galaxies known, and are DM-dominated sys-
tems. We use again the fluid approximation of “Var2”
for its better resolution characteristics in the central re-
gion. Also, we pick the same value for RTF = 110 pc, as
before.

The results for the density and pressure profiles at the
halo formation time are shown in Fig. 11, whereas Fig. 12
displays the evolution of the density profiles over the en-
tire simulation run.

In order to provide the necessary spatial resolution
for the lower-mass halo, we reduced the size of the box
to 2 Mpc and adapted the ICs accordingly. Although
smaller halos form typically at earlier times than larger
halos, we initiated our simulation at the same zini = 600,
as in our previous runs, in order to get comparable re-
sults. In fact, this choice of zini is consistent for both
halo masses, according to Klypin et al. [45]. Neverthe-
less, the mass infall onto the lower-mass halo is slower,
given the lower mass-accretion rates, hence the forma-
tion of the lower-mass halo is delayed compared to its
more massive brethren, and its formation redshift is at
z ∼ 3. Likewise, the development of the shock front[55]
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FIG. 11. Formation of a SFDM-TF halo of mass
109 M⊙ using “Var2”. The top panel displays the density
profile at the formation time z = 2.8; it shows the same char-
acteristic shape as the previous case of the Milky-Way-sized
halo (see Figs. 7 and 8). The core follows closely a (n = 1)-
polytrope, in terms of shape and size RTF. The shock front
separates the halo from the background environment. The
bottom panel displays the pressures, PSI (red solid line) and
Pσ (blue solid line), respectively. They also show the same
features as seen in Figs. 7 and 8, and are equal at approxi-
mately the radius RTF.

also happens later (z ∼ 6) compared to the higher-mass
halo.

Apart from the later formation time, the formation
of the halo with mass 109 M⊙ shows, however, the same
characteristic properties as the Milky-Way-size halo with
mass 1012 M⊙, see Fig. 11. The central core profile dis-
plays a shape close to a (n = 1)-polytrope. It is en-
shrouded by a nearly isothermal envelope, which is sepa-
rated from the background environment by a shock front;
however, the envelope profile is now not as close to the
isothermal sphere as for the larger halo before. But as
previously, PSI dominates in the core, here by a factor of
∼ 2 to ∼ 3 over Pσ , and at the core radius close to RTF

both pressure contributions are nearly equal. Again, in
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FIG. 12. Evolution of a SFDM-TF halo of mass 109 M⊙

from zini = 600 to z = 0, using “Var2” and a 2 Mpc
simulation box. The color-coded solid lines display the evo-
lution of the density profiles. Their shapes are very similar to
the halo profiles shown in Fig. 10.

the envelope, Pσ dominates over PSI, here by ∼ 2 or-
ders of magnitude. Overally, the central densities and
hence the pressures (due to the polytropic equation of
states P ∝ ργ) are significantly lower for the lower-mass
halo than for the Milky-Way-sized halo. The main rea-
son is the later formation time of the lower-mass halo,
which forms at a time when the background density has
reduced, compared to the epoch when the higher-mass
halo formed.

Furthermore, we show the evolution of the density pro-
file in Fig. 12. Again, we recognize a similar behavior as
reported before: while the central density of the halo
increases over time, at some point the core will expand
beyond the polytropic shape that it acquired during the
evolution. However, the central pile-up of density during
the evolution is not as pronounced, as in the previous
cases for the higher-mass halo. Although we reduced the
size of the box, we can see the same smooth decrease in
density in the core, as indicated in Fig. 10 before which
showed the re-simulation of the 1012 M⊙ halo in a 12 Mpc
box. This similarity in the outcome is explained by the
fact that the mass is reduced by three orders of magni-
tude, whereas the volume of the box has been reduced
by a factor of 8.

C. Evolution of pressure

In light of the reported differences in the pressure runs
within halos in HWM22, compared to SDR22, we ex-
plore in more detail the evolution of the pressure contri-
butions PSI and Pσ, following the formation of the halo
of 1012 M⊙. We show their profiles in Fig. 13.

In the early evolutionary stages of the SFDM-TF halo,
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FIG. 13. Evolution of pressure. The panels shown in
this figure display the evolution of the pressure contributions
of the SFDM-TF halo of Fig. 8, PSI (red solid line) and Pσ

(blue solid line). The panels (a),(b),(c),(d) display their evo-
lution at the respective redshifts of z ∼ 20; 7; 2.7; 0 from the
top left-hand panel to the bottom right-hand panel. Panel
(a) displays the very early stages of the evolution, where Pσ

dominates the (n = 1.5)-polytropic core. Around the forma-
tion time (z ∼ 9; see Fig. 8), PSI dominates in the core. This
is followed by a short period of fluctuations in the central re-
gion. Panel (b) displays the situation at z ∼ 7, where PSI

has decreased significantly, which coincides with the decrease
of density in the core, seen in the bottom panel of Fig. 9.
At z ∼ 3 displayed in panel (c), PSI begins to increase again
and eventually dominates over Pσ, until z = 0, displayed in
panel (d). We can see that the importance of PSI is steadily
increasing with time. This can be also seen in the shape of
the density profile of the bottom panel of Fig. 9, where the
central density profile evolves into a shape close to a (n = 1)-
polytrope at the formation time, followed by an expansion of
the core thereafter.

depicted in panel (a), the density in the central region
is low and therefore, the repulsive SI is not significant.
This can be seen by the fact that PSI is lower than Pσ,
although its polytropic index is higher than that of Pσ.
In this stage, the central structure of the halo has a shape
close to a (n = 1.5)-polytrope, stabilized by Pσ. We find
thus the same behavior as in the CDM case, reported
in the previous section. Once the density increases suffi-
ciently, it reaches a point where Pσ cannot balance grav-
ity anymore and the central structure transitions into a
core described by a higher polytropic index, i.e. PSI be-
comes dominant in the core. Because of this pressure,
the evolution differs now from the CDM regime. This
increasing importance of PSI is accompanied by a short
period of fluctuations in the central region, during which
the central density decreases and Pσ temporarily reaches
the magnitude of PSI. In panel (b) we see this decrease of
pressure compared to the pressure seen in the right-hand
panel of Fig. 8. This is approximately at the time when
the density of both the envelope and the core starts to
decrease[56] at redshift z ∼ 7. During the subsequent
evolution, the importance of PSI rises again in the core,

and it gets finally dominant again by redshift z ∼ 2.7
(panel c). This increase in PSI then continues to redshift
z = 0, where we see a clear dominance of PSI in the core
(panel d). This evolution of pressures is accompanied
by the central density profile establishing a shape close
to a (n = 1)-polytrope at the formation time. We in-
terpret this evolution as a consequence of establishing a
new equilibrium of the halo, after the infall of matter has
stopped in our simulations, and as a result of the decrease
of external pressure due to Hubble expansion; an effect
that we have also seen in the larger box of Fig. 10. In
contrast, the dominance of PSI is maintained throughout
the entire simulation in scenarios with ongoing mass ac-
cretion, which is the case of the choice of MAH in SDR22.
However, the fact that we find the central dominance of
PSI established at late times in the evolution of the halo,
especially at z = 0, which conforms to the results of
SDR22, we conclude that their interpretation is correct,
after all, namely that PSI dominates over Pσ in the cores
of virialized SFDM-TF halos.

D. Importance of the time of collapse

The conclusion of the last subsection, however, stands
in contrast to the conclusion of HWM22, who do not
find that PSI dominates in their halo cores at z = 0.5.
We think that their halos have not yet established the
(n = 1)-polytropic core, due to the deferred collapse as
their simulations start at zini = 50. It seems the halos
are rather in the stage, where the (n = 1.5)-polytropic
core is still in place, thus prior to the point when the halo
core is finally dominated by PSI. This could also explain
why the core radii in HWM22 are rather large, showing
a correlation with the halo mass and the halo central
density, in a way seen in their Figure 5. Unfortunately, we
cannot quite make a one-to-one comparison between our
halo density profiles and the profiles in HWM22, because
the segment of the y-axis displayed in their Figure 5 is
too short to include the location of the expected shock
front at larger halo-centric radius – and there ought to
be a shock front in their halos, as well!

Therefore, we performed a comparison simulation,
where we re-simulated the Milky-Way-size halo of
1012 M⊙ using “Var2”, but choose the same “late” initial
redshift of zini = 50 for our ICs as in HWM22. We show
our results in Fig. 14 and 15.

Figure 14 displays the profiles of the two pressure
contributions, PSI and Pσ, at z = 0.5 (top panel) and
at z = 0 (bottom panel). At z = 0.5 the halo is still
in the stage of formation, see also Fig. 15, prior to the
point where PSI becomes dominant in the core, once the
formation is complete. Even at z = 0, the halo had not
enough time to completely evolve to its final stage, and
PSI is just about to get the dominant contribution to the
pressure in the core (compare also to Fig. 13). In this
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FIG. 14. Evolution of a SFDM-TF halo of 1012 M⊙

using “Var2”, but initializing the simulation at zini =
50. Shown are the pressure profiles, PSI (red solid line) and
Pσ (blue solid line), at z = 0.5 (top panel) and at z = 0.0
(bottom panel). We can see that at z = 0.5 the halo is still
in the stage of formation, prior to the point where PSI gets
dominant when the formation is completed.

sense, our result is in agreement with HWM22, where
PSI is not dominant in the core at z = 0.5. However,
since our results show that PSI should dominate in the
later stages of the evolution, we conclude that the halos in
HWM22 did not have enough time to evolve, given the
late zini = 50, and so the transition to PSI-dominated
cores has not yet taken place.

VIII. SFDM-TF HALOS FROM
COSMOLOGICAL ICS

In Sec. IVC, we compared the fluid approximation for
CDM to an N-Body simulation of cosmological structure
formation. We used MUSIC to create our ICs in order
to provide a realistic background environment. On the
other hand, in our simulations of the single-halo infall
problem in SFDM-TF in the previous section, we placed
a single spherical perturbation in the center of a box and
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FIG. 15. Evolution of a SFDM-TF halo of 1012 M⊙

using “Var2”, from zini = 50 to z = 0. The color-
coded solid lines display the evolution of the density profiles,
beginning with the collapse of the initial ǫ = 1/6-profile until
z = 0 in a 4 Mpc box. We can see a steadily growing density
in the center. Around z ∼ 10, the core begins to build up
with almost equal contributions from PSI and Pσ. At z = 0.4,
the formation of the envelope begins, where Pσ dominates
over PSI, and a shock front forms which moves outward. The
remaining time until z = 0 is not sufficient to establish a clear
core-envelope structure.

investigated the formation and evolution of the halo that
results upon the almost spherical infall of matter onto it.
However, the simulations run by HWM22 formed halos
out of cosmologically realistic ICs generated with MU-
SIC. To test this scenario with our own modified version
of RAMSES, we add in this section a proof-of-concept
simulation, using also ICs generated by MUSIC, in a co-
moving box of 1 Mpc. Thereby, we also confirm that our
implementation yields comparable outcomes to HWM22,
in the sense that our fluid implementation also produces
a cosmic-web-like structure for SFDM-TF. The difference
here is the smaller box size that we use, in order to show
a less computationally expensive simulation, than those
performed in HWM22. Our results are shown in Fig. 16.

We can see that, in the beginning, the evolution of
halos is dominated by nearly spherical infall of matter.
Soon after, the typical filamentary structure of the cosmic
web forms, where the infall of matter onto the collapsed
halos is mostly via the filaments. In the box, a number
of halos have formed which enter a stage dominated by
mergers. In this stage, a significant amount of matter is
expelled from halos, but matter falls back predominantly
onto the dominant halo in a nearly spherical manner,
i.e. the late stage of halo mass accretion is yet again
similar to spherical infall. Hence, we conclude that the
results of the single-halo infall calculations are a good
approximation to the more complicated reality.
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FIG. 16. Mergers of SFDM-TF halos. SFDM-TF halo formation from ICs generated with MUSIC. In the first stage, a
number of halos form from nearly spherical infall of matter. Soon after, the regions between halos show the typical filamentary
structure of the cosmic web (see top left-hand panel). The infall of matter proceeds then mainly via the filaments. The top
right-hand panel illustrates an evolutionary stage, where some halos have already merged, with a dynamically dominant massive
halo that affects the motions of the smaller halos around it. In the bottom left-hand panel, only one massive halo is left, with
some matter being expelled again, but which spherically falls back onto the halo consecutively. A small halo starts to merge
with the massive halo. Finally, the bottom right-hand panel displays a stage where a single halo remains in a nearly virialized
state. (Owing to the periodic BCs, the halo at the bottom of the box coincides with the one at the top.)

IX. SUMMARY AND CONCLUSIONS

In this paper, we studied SFDM in the Thomas-Fermi
regime, aka “SFDM-TF”, as a valuable alternative model
to CDM. We were particularly motivated by the “cusp-
core” problem of CDM, which describes the discrepancy
between predicted central density cusps in halos vs. the
more core-like profiles determined from observations of
DM-dominated dwarf galaxies. The novel dynamics of
SFDM as a quantum fluid poses challenges to realis-
tic structure formation simulations in SFDM. Although
much progress has been made over the last years, numer-

ical simulations still lack resolution and/or sufficiently
long run times in order to make a fair comparison with
observations of galaxies. This problem is exacerbated
for SFDM-TF which has basically two important length
scales, the TF radius RTF and the de Broglie length λdeB
where RTF ≫ λdeB. While the characteristic SI-pressure
of SFDM-TF is at play on scales of RTF, the genuine
quantum dynamics acts at scales down to λdeB . There-
fore, it is useful to find computational approaches which
average over the dynamics on these very small scales,
without neglecting its physical effects on macroscopic
scales. Appropriate fluid approximations suggest them-
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selves as a way to accomplish this, and previous liter-
ature has come up with solutions. Dawoodbhoy et al.

[2] and SDR22 have devised a fluid approximation for
SFDM-TF and performed singe-halo infall calculations
using a 1D Lagrangian fluid code, in order to investi-
gate the formation and evolution of such halos. The re-
sults agreed with earlier analytic expectations, in that
such halos form a core-envelope structure, with a central
core close to a (n = 1)-polytrope with radius RTF, sur-
rounded by a CDM-like (aka NFW-like) halo envelope.
Within the cores, the SI-pressure, PSI ∝ R2

TF ρ
2, domi-

nated, whereas the envelope was stabilized by an “effec-
tive” velocity-dispersion pressure due to the small-scale
quantum dynamics, Pσ ∝ ρ5/3.

Subsequently, HWM22 have performed 3D structure
formation simulations of SFDM-TF with the cosmologi-
cal code RAMSES, using a somewhat different fluid ap-
proximation in 3D. They confirmed many of the previ-
ous results of SDR22, but also reported discrepancies,
notably that the cores of their halos would not be dom-
inated by PSI. Instead, the two pressure contributions,
PSI and Pσ, were roughly equal in the core, whereas Pσ

dominated in the envelope. They attributed this differ-
ence to the possibility of mixing and energy exchange
between inner and outer halo parts in 3D, a phenomenon
that the previous 1D simulations could not model.

Our aim in this paper was to settle this issue by
performing more dedicated 3D cosmological simulations
and to compare our findings with those of SDR22 and
HWM22. Like in these papers, we neglect baryons in our
simulations.

In order to make a fair comparison, we also used RAM-
SES and modified it such that we implemented both ver-
sions of fluid approximations, the 3D version of SDR22
(we call it “Var1”) and the version by HWM22 (we call
it “Var2”). In contrast to “Var1”, the fluid equations of
“Var2” contain the source terms due to self-gravity of the
SFDM fluid. Also, “Var1” includes the SI-pressure PSI in
the momentum equation, but not in the energy equation.
On the other hand, in “Var2” the pressure PSI appears
in both momentum and energy equation.

We performed proof-of-concept structure formation
simulations in a box of comoving 1 Mpc, using initial
conditions from MUSIC, in order to convince ourselves
that our implementation worked correctly. Our results
agreed with those of HWM22, in that we also see the
formation of a cosmic web in SFDM-TF. In the process
of this test, we also studied the CDM regime, setting
PSI = 0 which reduces the equations to those of the
“CDM fluid approximation”. We compared our result
with a standard N-body structure formation simulation
of CDM, both calculated with RAMSES, and found very
good overall agreement.

However, since our focus was the infall problem of

single-halo formation, we did tests of halo collapse, us-
ing several initial density profiles as input. We found no
significant impact onto the formed halo, and decided to
generate the initial conditions for our forthcoming simu-
lations with the (ǫ = 1/6)-profile of a scale-free, spherical
perturbation; also in order to compare to the results of
SDR22. Apart from some test cases, we always chose an
initial redshift of zini = 600.

Most results in this paper concern halo hosts of Milky-
Way mass of 1012 M⊙, but we also simulated a 109 M⊙

halo which is a typical host mass for ultra-faint galaxies.
In all simulations of SFDM-TF, we used the same choice
of RTF = 110 pc. While this core size seems too small
to resolve the “cusp-core” problem (or other “small-scale
structure problems” for that matter), it is motivated by
the findings of SDR22, Foidl and Rindler-Daller [21] and
Hartman et al. [4]. It was shown in these papers that
linear structure growth constrains the allowed param-
eter space of SFDM-TF more severely than previously
thought. As a result, associated RTF of kpc size and be-
yond are highly disfavored, because such a choice would
suppress structure formation on too large scales, in con-
flict with observations.

Now, in order to test our code modifications, and for
the sake of our understanding, we first performed 3D
single-halo infall simulations in the CDM regime, where
PSI = 0 = RTF, using a comoving 4 Mpc cosmologi-
cal box with periodic boundary conditions. In the CDM
regime, the only pressure contribution that helps CDM
to oppose gravitational collapse is the pressure due to the
random motion of collisionless CDM particles. This pres-
sure is formally the same as Pσ above, never mind that it
derives from a different phase-space averaging procedure.

While our results for CDM halo formation and evolu-
tion conform very well with previous works that inves-
tigated the CDM fluid approximation, we found some
interesting details, as follows. We were able to follow the
evolution of the halo density and pressure profiles over
time, including the development of the expected shock
front in CDM halos. In the fluid picture, the location of
this shock front at z = 0 is a good proxy for the virial
radius of the halo, because it separates the inner evolved
part from the outer low-density background. In fact, at
the present it is located at ∼ 300 kpc for the CDM halo
of 1012 M⊙, in good agreement with estimates of the size
of the Milky Way.

During its evolution, the central density in the CDM
halo rises, but in its early stage it follows a (n = 1.5)-
polytropic core. By the formation time of the halo, this
core has transitioned into a steep central cusp whose
slope is almost the same as the outer density slope, which
is close to ρ ∝ r−3 as expected from NFW. Finally, the
central profile makes another transition to a “shallower
cusp”, very close to the NFW behavior of ρ ∝ r−1, which
remains in place until z = 0. These transitions have to do
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with the respective search for equilibrium between grav-
ity and pressure.

Next, we performed 3D simulations of the formation
of a single SFDM-TF halo, again using a 4 Mpc cosmo-
logical box with periodic boundary conditions. The first
simulation was configured to use the fluid approximation
of SDR22, i.e. “Var1”, where we could confirm their re-
sults concerning the core-envelope structure as well as the
runs of the pressures PSI and Pσ within the halo, at the
formation time of the SFDM-TF halo, i.e. at the same
time snapshot as in SDR22. However, since we calcu-
lated the entire evolution down to z = 0, we encounter a
new effect in our simulation, namely the polytropic core
and the envelope both start to expand at some point. In
the second simulation, we used the fluid approximation
of HWM22, i.e. “Var2”. We found that our results in
this case also agreed with those of SDR22 at the forma-
tion time of the halo, although the same phenomenon of
“core/envelope expansion” occurs than in the previous
case. In any case, we found no significant discrepancy
in the results between “Var1” and “Var2”, except for
the fact that “Var2” exhibits better resolution charac-
teristics. As such, a choice of “Var2” is preferred over
“Var1”.

Before we discuss the comparison between SDR22 and
HWM22 in more detail, let us elaborate on the “core ex-
pansion” that we see in our simulations, as follows. As
the envelope of the SFDM-TF halo is almost isothermal,
the size of the halo is determined by the “external pres-
sure”, which has two contributions: the pressure of the
infalling matter and the density of the background uni-
verse. For the simulations in a 4 Mpc box, we saw a
rapid decrease in the density of the core at z ∼ 7 and a
consecutive expansion of the envelope starting at z ∼ 4.
Therefore, we performed a further simulation, using a
12 Mpc box with accordingly increased spatial resolu-
tion. In this case, we found that the transition from the
polytropic core to the expanded core is much smoother in
the larger box than in the smaller box. We explain this
behavior with the smooth decrease in the infall of matter
onto the halo caused by the expansion of the background
universe, compared to the immediate stop of the infall
due to the lack of matter in the smaller box.

Now, with respect to the discrepancies in the results
of SDR22 and HWM22, concerning the pressure runs,
we explain them as a result of systematic differences in
the setup of the simulations. The most significant differ-
ence is that SDR22 analyses the structure of SFDM-TF
halos at the formation time of the halo, and they start
their simulations at zini = zeq ∼ 3000, whereas HWM22
start their simulations at zini = 50 and do the analysis
of halo structure at a redshift of z = 0.5, i.e. later than
the formation time. So, the main issue is the fact that
in HWM22 the collapse of the halo takes place too late,
thus it had not enough time to form and virialize. Our

assessment is confirmed by a test simulation that we per-
formed, where we also used a late zini = 50, in order to
show the incomplete evolution of the halo.

A further difference is as follows. SDR22 investigate
the formation of SFDM halos by spherical infall in a cos-
mological environment that maintains a pre-defined mass
accretion history (MAH) according to Wechsler et al.

[36], whereas HWM22 use MUSIC in their simulations,
where a number of several halos collapse and form over
time. The MAH for each individual halo in the sim-
ulations by HWM22 is not maintained throughout the
entire simulation for the following reason: after the first
stage of halo collapse with spherical infall, filaments form
rapidly and the infall onto halos goes via these filaments;
the remaining 3D space in the vicinity of the halos is di-
luted dramatically; but the shock waves following merg-
ers transport a significant part of the material into the
outskirts of the halo; at the final stages, the material falls
back onto the halo in a nearly spherical manner.

To re-iterate: in our 3D simulations of the formation
and evolution of SFDM-TF halos, we have seen that both
fluid approximations in SDR22 vs. HWM22 reveal re-
sults with no significant differences. With regard to the
evolution of SFDM-TF halos we identified two important
processes: the MAH that is determined by the amount
of matter in the vicinity of the halo and the expansion
of the background universe. The amount of matter de-
termines how “fast” the transition from the polytropic
core to the expanded core evolves. This could imply that
the core size of a halo might be impacted by its environ-
ment, as it determines the MAH onto the halo. This is
an interesting finding, because it implies that core size is
not necessarily determined only by the parameters of the
DM model. Even without the inclusion of baryons and
feedback effects, our simulations reveal that an initial pri-
mordial DM core of sub-kpc size, ∼ 100 pc – demanded
by power spectrum constraints from linear theory – can
evolve into a larger core of & 1 kpc, after all, during
DM-only halo evolution.

In fact, in HWM22 a similar, but less pronounced ef-
fect is mentioned and seen in their Figures 3 and 5, where
they display halos with masses between 107 and 1011 M⊙.
Their halo cores extend to a radius beyond RTF = 1 kpc,
where more massive halos display a more pronounced ef-
fect than the less massive halos. This effect supports
the aforementioned argument, that their halos are in an
early stage of formation, where Pσ is still dominant and
responsible for the central density that follows closely a
(n = 1.5)-polytrope, which extends beyond the (n = 1)-
polytrope. These findings agree with ours, as more mas-
sive halos are impacted stronger from the lack of outer
pressure onto the terminating shock front of the halos’s
envelope. Again, given that HWM22 started their sim-
ulations at zini = 50 and stopped them at z = 0.5 may
explain, why the effect is less pronounced compared to
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our simulations that started at zini = 600 and ended at
z = 0.

Of course, future simulations should include baryons
and should be preferably performed in larger cosmolog-
ical volumes with realistic initial conditions. The great
computational challenge of such simulations have pre-
vented faster progress in this field so far. We expect
that baryons will modify previous and our own results
here, in that their presence will lead to multiple feed-
back processes that affect central halo densities and the
size of cores. While previous constraints from linear the-
ory have shown that cores in SFDM-TF should be of
sub-kpc size, our results here have shown that primor-
dial cores can expand upon halo evolution, independent
of baryonic feedback.

The amount of expansion depends on the mass of the
halo, and the latter is pre-defined in our ICs (i.e. in
the chosen mass of the initial overdensity), which is a
good approximation for low-mass halos, but less so for
massive halos of Milky-Way size which are believed to
acquire much of their mass by multiple mergers during
their lifetime. Now, using a primordial core radius of
RTF = 110 pc, we find that the core of the 109 M⊙

low-mass halo expands up to a radius of ∼ 2 kpc by
z = 0, which is a value that is still in accordance with
observations of ultra-faint galaxies; see e.g. Bernal et al.

[57], Martinez-Medina and Matos [58] for a comparison.
On the other hand, for the 1012 M⊙ Milky-Way-like halo,
that same primordial core expands up to a radius of ∼ 20
kpc by z = 0, and this value also depends more strongly
on the box size of the simulation, given its impact onto
the mass accretion history. Such large cores might be
in conflict with observations of galaxies, which are domi-
nated by baryons in the central regions such as the Milky
Way, M31 or similar galaxies. On the other hand, there
are massive low-surface-brightness spiral galaxies which
do have large cores of & 10 kpc, and these cores might
be possibly explained by expanding DM-only primordial
cores. In any case, the astrophysics of baryons impacts
the appearance of galaxies on various scales. Hence, fu-
ture work is desired, especially with respect to the inclu-
sion of baryons, in order to determine whether SFDM in
general, or SFDM-TF in particular, may yet resolve the
”cusp-core problem”, after all.
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ABSTRACT

We search the archival Zwicky Transient Facility public survey for rapidly evolving transient (RET)

candidates based on well-defined criteria between 2018 May and 2021 December. The search yielded

19 bona-fide RET candidates, corresponding to a discovery rate of ∼ 5.2 events per year. Even with a

Galactic latitude cut of 20◦, 8 of the 19 events (∼ 42%) are Galactic, including one with a light-curve

shape closely resembling that of the GW170817 kilonova (KN). An additional event is a nova in M31.

Four out of the 19 events (∼ 21%) are confirmed extragalactic RETs (one confirmed here for the first

time) and the origin of 6 additional events cannot be determined. We did not find any extragalactic

events resembling the GW170817 KN, from which we obtain an upper limit on the volumetric rate

of GW170817-like KNe of R ≤ 2,400 Gpc−3 yr−1 (95% confidence). These results can be used for

quantifying contaminants to RET searches in transient alert streams, specifically when searching for

kilonovae independently of gravitational-wave and gamma-ray-burst triggers.

Keywords: High energy astrophysics; Supernovae; Transient sources; Time domain astronomy

1. INTRODUCTION

Most extragalactic transients discovered by wide-field

optical surveys are thermonuclear and core-collapse

(CC) supernovae (SNe) with characteristic timescales

(i.e., rest-frame time spent above half of their peak

brightness, t1/2) longer than 10 days (Perley et al. 2020).
Over the last decade, optical surveys have discovered a

new class of transients with rapidly evolving light curves

(on timescales of just a few days). Initially, such rapidly

evolving transients (RETs) of a variety of spectral types

were studied individually, such as SN 2002bj (officially

classified as an SN Ib but with a very peculiar spec-

trum; Poznanski et al. 2010), SN 2010X (classified as

a so-called “point Ia” or SN .Ia; Bildsten et al. 2007;

Kasliwal et al. 2010), PTF09uj (SN IIn; Ofek et al.

2010), SN 2005ek (SN Ic; Drout et al. 2013), iPTF15ul

(SN Ibn; Hosseinzadeh et al. 2017), iPTF16asu (SN Ic-

BL; Whitesides et al. 2017), and SN 2018kzr (McBrien

et al. 2019). The Kepler space telescope, during its K2

mission, also discovered a RET, KSN 2015K, which was

observed with a 30 min cadence (Rest et al. 2018).

With more discoveries, RETs started to be studied in

samples. Drout et al. (2014) presented 14 RETs from

Pan-STARRS1 (PS1; Chambers et al. 2016). Arcavi

et al. (2016) reported four especially bright RETs with

peak luminosities between those of SNe and superlumi-

nous SNe (SLSNe; Mpeak ≈ −20 mag) discovered by the

Palomar Transient Factory (PTF; Law et al. 2009; Rau

et al. 2009) and the SN Legacy Survey (SNLS; Astier et

al. 2006). Pursiainen et al. (2018) discovered 72 RETs

with the Dark Energy Survey (DES; Flaugher 2005).

Perley et al. (2020) classified 14 RETs with the Bright

Transient Survey of the Zwicky Transient Facility (ZTF;

Bellm et al. 2019; Graham et al. 2019; Fremling et al.

2020a). Recently, Ho et al. (2021) presented 42 RETs

from Phase I of ZTF.

Many RETs were found in archival searches and thus

have no spectroscopic data. Even those found in real

time are challenging to classify spectroscopically given

their rapid fading. Those that do have spectra show a

variety of characteristics, including blue continua and

spectral features associated with normal SNe of various

types. This suggests that the RET population is likely

heterogeneous in nature.

Several scenarios have been proposed to explain the

photometric and spectroscopic properties of RETs, in-
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cluding shock breakout or post-shock cooling emission

from a dense wind circumstellar medium (CSM; Ofek et

al. 2010) or an extended stellar envelope (Drout et al.

2013; Whitesides et al. 2017), the explosion of a stripped

massive star (Tauris et al. 2013; Kleiser & Kasen 2014;

Kleiser et al. 2018), white dwarf detonation (Arcavi et

al. 2016; McBrien et al. 2019), magnetar spin-down (Ar-

cavi et al. 2016; Whitesides et al. 2017), and CSM in-

teraction (Arcavi et al. 2016). However, limited by the

low number of events and their heterogeneity, it is chal-

lenging to constrain their distribution among different

possible physical origins.

The identification of an electromagnetic counterpart

to the gravitational wave (GW) event GW170817 (see

LIGO Scientific Collaboration 2017, and references

therein) confirmed binary neutron star (BNS) mergers

as yet another RET channel, termed a “macronova”

(Kulkarni 2005) or “kilonova” (KN; e.g., Li & Paczyński

1998; Rosswog 2005; Metzger et al. 2010; Metzger &

Berger 2012; Barnes & Kasen 2013; Tanaka & Ho-

tokezaka 2013; Metzger 2019). The optical/infrared

emission of the electromagnetic transient, known as

AT 2017gfo, provided evidence for r-process nucleosyn-

thesis in the BNS merger ejecta (e.g., LIGO Scientific

Collaboration 2017; Arcavi et al. 2017; Chornock et al.

2017; Coulter et al. 2017; Cowperthwaite et al. 2017;

Drout et al. 2017; Dı́az et al. 2017; Evans et al. 2017;

Hu et al. 2017; Kasliwal et al. 2017; Lipunov et al. 2017;

Pian et al. 2017; Shappee et al. 2017; Kilpatrick et al.

2017; Smartt et al. 2017; Tanvir et al. 2017; Utsumi

et al. 2017; Valenti et al. 2017; see Nakar 2020 for a

recent review). However, AT 2017gfo also left many

open questions unanswered, such as the nature of its

early blue emission (shock cooling, boosted relativistic

ejecta, or low-opacity material; see, e.g., Arcavi 2018,

and references therein), and how common the emission

properties of this single event are. Recently, Rastine-

jad et al. (2022) and Troja et al. (2022) discovered a

KN candidate in the afterglow of an extended-emission

gamma-ray burst (GRB; but see Waxman et al. 2022 for

an alternative explanation). In this case, disentangling

the GRB afterglow from the KN emission is not triv-

ial, especially at early times. Therefore, stringent con-

straints on the early blue emission of this event cannot

be readily obtained without making assumptions about

the afterglow component.

Transient surveys have been optimizing their search

strategies to maximize the probability of a KN discov-

ery without GW or GRB triggers. McBrien et al. (2021)

presented a marginal KN candidate, AT 2017des, discov-

ered by PS1, though its identification as a KN remains

uncertain. Andreoni et al. (2020) searched the first 23

months of ZTF data for candidate KNe, none of which

were deemed possible KNe after thorough vetting. An-

dreoni et al. (2021) introduced a software infrastructure

to identify KNe and RETs in real-time ZTF data. They

independently found several extragalactic RETs but no

KN candidates in 13 months of observations.

Here we perform an independent archival search for

unreported KNe and other RETs in Phases I and II

of the ZTF public “Northern Sky Survey” which covers

declinations δ ≥ −31◦ and Galactic latitudes | bGal |> 7◦

(Bellm et al. 2019) from May 2018 to December 2021

(Phase II started in October 2020). Each visible field

was scheduled to be observed once in the g band and

once in the r band every third night during Phase I and

every other night during Phase II. To reduce the number

of Galactic variable sources as contaminants, we further

restrict the selection here to | bGal |> 20◦.

We use the Planck Collaboration et al. (2020) cosmo-

logical model throughout. Times are presented in UTC

and magnitudes are given in the AB system (Oke &

Gunn 1983).

2. METHODS

We query the ZTF public alert stream between 2018

May 04 and 2021 December 18 using the criteria detailed

below. Several public astronomical alert brokers filter,

store, and deliver ZTF alerts together with contextual

information for each alert. Among them are the Auto-

matic Learning for the Rapid Classification of Events

(ALeRCE; Förster et al. 2021) broker1, the Arizona-

NOAO Temporal Analysis and Response to Events Sys-

tem (ANTARES; Narayan et al. 2018)2, Lasair (Smith

et al. 2019)3, FINK (Möller et al. 2021)4, and Make

Alerts Really Simple (MARS; which has been discon-

tinued)5. After experimenting with several brokers, we

chose ALeRCE for this work (though it could be un-

dertaken with most other brokers as well) owing to its

rapid and complete databases, informative website, con-

nections to external archives, and user-friendly python

API access.

2.1. Selection Criteria

Since there is no exact definition of RETs, we need to

determine a set of selection criteria to efficiently sepa-

rate them from the stream of roughly 100,000 alerts per

day produced by ZTF. These criteria are based on the

1 https://alerce.online/
2 https://antares.noirlab.edu/
3 https://lasair-ztf.lsst.ac.uk/
4 https://fink-broker.org/
5 https://mars.lco.global/

https://alerce.online/
https://antares.noirlab.edu/
https://lasair-ztf.lsst.ac.uk/
https://fink-broker.org/
https://mars.lco.global/
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information provided in the alerts. First, the time span

(t) during which RETs are detectable is relatively short.

We choose the maximum t to be 30 days (shorter than

typical SNe, but longer than the KN AT 2017gfo, in the

optical bands). Second, we require that the number of

positive subtraction detections (ndet), with a real-bogus

score (rb; Mahabal et al. 2019) > 0.5, be > 3 to exclude

likely artifacts with few sporadic detections.

The most important parameter of a RET is its magni-

tude rate of change, | ∆m/∆t |, where ∆m = m1 −m2

and ∆t = t1 − t2 are the magnitude and time dif-

ferences between two detections or the first detection

and the last nondetection of a candidate. Dietrich et

al. (2020) and Anand et al. (2021) modeled KN light

curves from BNS and neutron-star–black-hole (NSBH)

mergers, respectively. Their derived 95% thresholds for

the expected decline rates between peak and six days

post-peak of NSBH (BNS) KNe are 0.57 (0.60) and 0.39

(0.49) mag day−1 in the g and r bands, respectively. To

avoid missing KN-like events, we set the lower thresh-

old of the maximum | ∆m/∆t | of each candidate to

0.4 mag day−1. We further require ∆t > 1 hr and

∆m > (δm1 + δm2), where δmi is the uncertainty in

each magnitude measurement. Our approach identi-

fies both rapidly rising and rapidly declining transients,

which sets it apart from some previous searches (which

focused only on rapid decline rates).

Finally, since we aim to discover extragalactic tran-

sients, we require that there is a galaxy-like object in

the vicinity of each candidate. We achieve this via two

approaches: (a) cross-matching each candidate position

with the Galaxy List for the Advanced Detector Era

(GLADE; Dálya et al. 2018) version 2.3 catalog; and

(b) cross-matching with galaxy-like sources (sgscore

< 0.5, i.e., more likely a galaxy than a star, based on the

star/galaxy separation algorithm of Tachibana & Miller

2018) in PS1 images, which cover the entire footprint of

the ZTF survey. In both cases, we use a 100′′ radius for

the cross-match.

To summarize, we select events that

1. are detected for < 30 days;

2. have ndet > 3 detections with a real-bogus score

rb > 0.5;

3. have | ∆m/∆t |max≥ 0.4 mag day−1;

4. (a) are coincident within 100′′ with a GLADE

galaxy, or

(b) are coincident within 100′′ with a PS1 object

having an sgscore < 0.5.

3. RESULTS

A total of 730 candidates passed the selection crite-

ria detailed in Section 2.1. We examined all of them by

eye and found that most have erratic light curves, indi-

cating they are likely subtraction artifacts. We remove

these events and are left with 60 candidates with coher-

ent light curves. For these candidates, we request forced

photometry through the public ZTF forced-photometry

service6 (g and r bands; Masci et al. 2019), the Asteroid

Terrestrial-impact Last Alert System (ATLAS) forced

photometry service7 (o and c bands; Tonry et al. 2018;

Smith et al. 2020), and the All-Sky Automated Survey

for SuperNovae (ASAS-SN) forced photometry service8

(g band; Shappee et al. 2014; Kochanek et al. 2017) at

the median coordinates of each candidate. We request

forced photometry from the start of available data for

each survey (2018 March for ZTF, 2015 July for AT-

LAS, and 2013 April for ASAS-SN) to 2021 December.

The forced light curves revealed that some candidates

are in fact recurrent events (i.e., events with histori-

cal outbursts), thus ruling them out as valid extragalac-

tic RETs. Furthermore, some candidates rapidly evolve

only in certain phases (e.g., early days of an SN), but

later evolve more slowly. Thus, we further remove such

events by requiring t1/2 ≤ 15 days.

After applying all these filters, a total of 19 candi-

dates remain; their information is listed in Table 1. Ex-

cept for ZTF19accjfgv (SN 2019rta), which appears in

the sample of Ho et al. (2021), none of our other can-

didates are in the samples of Andreoni et al. (2020),

Andreoni et al. (2021), or Ho et al. (2021) (see Section 4

for discussion). We further exclude 10 events with Tran-

sient Name Server9 (TNS) classifications. These include

one SN Ibn (SN 2018fmt), one SN Icn (SN 2021ckj),

one SN IIb (SN 2019rta, probably detected during its
rapidly evolving shock-cooling phase), and seven Galac-

tic objects. The light curves of the remaining nine un-

classified candidates are presented in Figure 1 and are

discussed individually below. We calculate peak mag-

nitudes for each candidate using a polynomial fit to

their light curves around peak (taking the value of the

brighter band if there are observations in more than one

band).

3.1. ZTF18achdhvu

6 https://ztfweb.ipac.caltech.edu/cgi-
bin/requestForcedPhotometry.cgi

7 https://fallingstar-data.com/forcedphot/
8 https://fallingstar-data.com/forcedphot/
9 https://www.wis-tns.org/
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Figure 1. Comparison of the light curves of our RET candidates to the SN Ibc r-band template (gray solid line) from Drout
et al. (2011), the SN Ibn r-band template (blue solid line) from Hosseinzadeh et al. (2017), and r-band light curves of a few
representative RETs: AT 2018cow (red solid line; Perley et al. 2019a), and AT 2017gfo (the KN; black solid line; Andreoni et al.
2017; Arcavi et al. 2017; Coulter et al. 2017; Cowperthwaite et al. 2017; Dı́az et al. 2017; Drout et al. 2017; Valenti et al. 2017;
Kasliwal et al. 2017; Pian et al. 2017; Shappee et al. 2017; Smartt et al. 2017; Tanvir et al. 2017; Utsumi et al. 2017). In all
cases we shift the comparison light curves to match the peak apparent magnitude of the RET candidates, except AT 2020ohw,
for which we have a spectroscopic redshift and can thus display the light curves in absolute magnitude. For that event we also
plot the r-band light curve of Type Ib SN iPTF13bvn (red dashed line; Fremling et al. 2016) and the R-band light curve of
Type Ic SN 1994I (red dash-dotted line; Richmond et al. 1996). In all light curves, triangles denote 3σ nondetection limits. A
high-cadence oscillating portion of the light curve is seen in the inset of AT 2019wjk.
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The rising rate of the light curve of ZTF18achdhvu

is similar to the SN Ibn template from Hosseinzadeh

et al. (2017), while the decline rate resembles that of

the SN Ibc template from Drout et al. (2011). The

g-band light curve has a break at ∼ 20 days after

maximum brightness. There is an underlying source,

SDSS J122558.34+570930.3, in Sloan Digital Sky Survey

(SDSS; York et al. 2000) and PS1 images, 0.4′′ from the

position of ZTF18achdhvu with g = 21.89 ± 0.07 mag,

sgscore = 0.04 (i.e., a galaxy-like source), and E(B −
V )MW = 0.011 mag (Schlafly & Finkbeiner 2011). It

is classified as a galaxy with a photometric redshift of

zph = 0.215± 0.072 (Alam et al. 2015) by SDSS.

Considering the high Galactic latitude (b = 59.6◦) and

the galaxy-like morphology of the underlying source, it is

reasonable to assume ZTF18achdhvu is an extragalactic

transient. Taking the photometric redshift, we derive

a distance modulus of 40.2+0.7
−1.0 mag, corresponding to

Galactic-extinction-corrected absolute peak magnitudes

of Mg ≈ −21.0+1.0
−0.7 mag and Mr ≈ −20.8+1.0

−0.7 mag.

3.2. AT 2019kzf (ZTF19abdvsjg)

AT 2019kzf was reported to the TNS through Gaia

alerts (Hodgkin et al. 2019) as Gaia19cxh, and was in-

dependently detected by ASAS-SN as ASASSN-19px.

ATLAS detected the event 15 days before the ZTF dis-

covery. Assuming the first ATLAS detection was at peak

brightness, the evolution of the light curve of AT 2019kzf

is slightly slower than AT 2018cow while faster than

the SN Ibn template. Its rise is consistent with that of

AT 2018cow. A persistent source is identified in SDSS

and PS1 images at the position of AT 2019kzf with

g ≈ 21.8 mag and sgscore = 0.47. We cannot deter-

mine the nature of this source based on current data. If

it is not a galaxy but rather a stellar source, AT 2019kzf

could be a cataclysmic variable (CV) as proposed by

Necker et al. (2022).

3.3. AT 2019lbw (ZTF19abfpwia)

AT 2019lbw was reported to the TNS by Nordin et

al. (2019a). It has a very rapid rise with | ∆m/∆t |=
0.9 mag day−1 and a post-peak decline rate between

that of AT 2018cow and the SN Ibn template. Approxi-

mately 20 days post-peak, the r-band light curve shows

a steep drop. There is no obvious host-galaxy candidate

or another underlying optical source in the vicinity of

AT 2019lbw. We obtained deep imaging at the posi-

tion of AT 2019lbw using Keck I/LRIS (Oke et al. 1995;

Rockosi et al. 2010) on 2022 September 21.

Forced point-spread-function (PSF) photometry at

the position of AT 2019lbw was performed using the

autophot pipeline Brennan & Fraser (2022)10, with a

PSF model built from bright, isolated sources in the im-

age. Optical magnitudes were calibrated against SDSS

field stars. We detect a source with g = 24.33±0.19 mag

and r = 24.25± 0.34 mag (Figure A1) at the position of

AT 2019lbw, but cannot determine if it is a Galactic or

extragalactic object.

The Catalina Real-time Transient Survey (CRTS;

Drake et al. 2009) detected an outburst which was 1′′

away from AT 2019lbw on 2009 May 27 with an unfil-

tered magnitude of ∼ 17.5, ∼ 1 mag fainter than the

peak of AT 2019lbw. This event might be related to

AT 2019lbw, with both events being flares of the same

Galactic source whose proper motion between 2009 to

2019 is ∼ 1′′. Alternatively, both events could be ex-

tragalactic transients from an undetected host galaxy,

or they could be two spatially coincident events with-

out any physical relation. Since we do not have proper-

motion measurements or spectroscopic observations of

the source, we cannot distinguish between these scenar-

ios.

3.4. AT 2019wjk (ZTF19acxmocr)

AT 2019wjk was reported to the TNS by Nordin et

al. (2019b). It met our RET criteria owing to its g-

band drop of 1.51 mag day−1, at ∼ 25 days after peak

light. ATLAS o-band and ASAS-SN g-band data re-

veal a very rapid rise of ∼ 1.5 mag day−1, faster than

that of AT 2018cow. With a low Galactic latitude of

bGal = 20.7◦ (very close to our cutoff), AT 2019wjk

is located within the ZTF high-cadence Galactic-plane

survey fields (Kupfer et al. 2021), with the data during

the outburst published in ZTF Public Data Release 711

(Masci et al. 2019). The ∼ 5 min cadence r-band light

curve from this survey, taken between 10 and 11 days

after peak, clearly shows an oscillation pattern between

16.6 and 17.0 mag (see inset in Figure 1), typical of post-

peak light curves of novae (Strope et al. 2010; Munari

2012). A persistent source is identified in PS1 images at

the position of AT 2019wjk with g = 21.74 ± 0.04 mag

and sgscore = 0.30. To determine the nature of this

source, we obtained a Keck I/LRIS spectrum of the po-

sition of AT 2019wjk on 2022 March 03. The spectrum

was processed with the LPipe data-reduction pipeline

(Perley 2019b). Figure 2 displays the reduced spec-

trum and the binned spectrum. It shows double-peaked

Balmer lines around a redshift of z = 0. The low Galac-

tic latitude, rapid oscillations, and redshift zero double

10 https://github.com/Astro-Sean/autophot
11 https://www.ztf.caltech.edu/ztf-public-releases.html
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Table 1. RET Candidates that Passed Our Selection Criteria.

ZTF Name Other Name(s) α (J2000) δ (J2000) bGal Classification Reference

(degrees) (degrees) (degrees)

ZTF18achdhvu — 186.49321 57.1585 59.6 Undetermined (1)

ZTF19abdvsjg AT 2019kzf/ 255.83079 12.76519 29.7 Undetermined (2)

ASASSN-19px

ZTF19abfpwia AT 2019lbw 318.43609 −6.55881 −34.5 Undetermined (3)

ZTF19acxmocr AT 2019wjk 109.08012 37.45094 20.7 Likely nova (4)

ZTF20aapcjjo AT 2020ddu 290.48945 65.91445 21.6 Undetermined (5)

ZTF20abezywi AT 2020mnt 245.72241 −18.37980 21.5 Undetermined (6)

ZTF20abkdtvy AT 2020ohw 219.85853 13.0189 61.1 Extragalactic (7)

ZTF20ablatmf AT 2020oor 331.18954 12.48679 −33.4 Undetermined (8)

ZTF21abcyioo — 278.26289 59.02385 25.3 Galactic (9)

Classified candidates

ZTF18abqbuaj SN 2018fmt 20.25363 −13.86293 −75.0 SN Ibn (10)

ZTF18absrffm AT 2018ftw 260.23592 7.80938 23.6 CV (11)

ZTF18abulqzb AT 2018fzl 342.04971 16.23608 −37.3 CV (12)

ZTF19accjfgv SN 2019rta 127.20543 75.32802 32.3 SN IIb (13)

ZTF19acgfhfd AT 2019sxc 10.75647 41.29992 −21.5 Nova in M31 (14)

ZTF20acszhad AT 2020aavs 76.31652 −7.28544 −26.9 Variable Star (15)

ZTF21aajbgol SN 2021ckj 136.46285 −8.58543 24.8 SN Icn (16)

ZTF21abexegc AT 2021plg 219.82142 −18.07749 37.8 CV (17)

ZTF21abzydnp — 252.51872 24.563 36.8 CV (18)

ZTF21accbxzk AT 2021zdk 331.92443 17.87362 −30.0 CV (19)

References—(1) This work; (2) this work; Hodgkin et al. (2019); (3) this work; Nordin et al. (2019a);
(4) this work; Nordin et al. (2019b); (5) this work; Fremling (2020b); (6) this work; Nordin et al.
(2020a); (7) this work; Forster et al. (2020); (8) this work; Nordin et al. (2020b); (9) this work; (10)
Gromadzki et al. (2018); Fremling et al. (2018a); (11) Fremling et al. (2018b); (12) Wevers et al. (2018);
(13) Dahiwale & Fremling (2019); Ho et al. (2021); (14) Dahiwale & Fremling (2020); (15) Dı́az et al.
(2020); (16) Pastorello et al. (2021a,b); Gal-Yam et al. (2021); (17) Do (2021); (18) Coppejans et al.
(2016); (19) Payne (2021).

spectral lines are all consistent with AT 2019wjk being

a nova outburst of a CV.

3.5. AT 2020ddu (ZTF20aapcjjo)

AT 2020ddu was reported to the TNS by Fremling

(2020b). It displays a rapid rise, similar to that of

AT 2018cow. After peak light, however, it evolves

slower, following the SN Ibn template until ∼ 15 days

after peak when the light curve shows a drop in both

the g and r bands. The decline rate during this drop is

0.59 mag day−1 in r. No source is detected in PS1 at the

position of AT 2020ddu. We obtained deep imaging at

this position using Keck I/LRIS on 2022 July 01. The

data-reduction process is the same as that described in

Section 3.3.

We marginally detect a source with g = 24.1±0.3 mag

and r = 24.3 ± 0.5 mag (Figure A2) but cannot deter-

mine whether it is a Galactic or extragalactic object.

3.6. AT 2020mnt (ZTF20abezywi)

AT 2020mnt was reported to the TNS by Nordin et al.

(2020a). Assuming AT 2020mnt was discovered at peak

brightness, the decline rate during the first three days

from discovery is comparable to that of AT 2018cow.

After five days the decline becomes slower and more

similar to that of the SN Ibn template. There is an

underlying source visible in archival PS1 images 0.39′′

from AT 2020mnt that has g ≈ 24 mag, r ≈ 23 mag

(Bouy et al. 2013) and sgscore = 0.23. We cannot de-

termine the nature of this source based on current data.

3.7. AT 2020ohw (ZTF20abkdtvy)
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Figure 2. The observed (light gray) and binned (black) spectrum taken at the position of AT 2019wjk in 2022. The double-
peaked z ≈ 0 Hα and Hβ emission lines (black dashed lines) are consistent with an accreting Galactic source, making the 2019
outburst a possible nova. The continuum-normalized spectra of Hα and Hβ in velocity space are displayed in the inset.

AT 2020ohw was reported to the TNS by Forster et

al. (2020) and is the only event in our sample with

an archival spectrum of its host galaxy. The host,

SDSS J143926.04+130108.2, is at z = 0.02886±0.00001

(Tago et al. 2010), with AT 2020ohw located at its cen-

ter. The corresponding luminosity distance is 134 ±
9 Mpc and the distance modulus is 35.6± 0.2 mag. The

peak absolute r-band magnitude of AT 2020ohw after

Galactic extinction correction is Mr = −16.9±0.3 mag.

The light-curve decline rate of AT 2020ohw is between

those of AT 2018cow and the SN Ibn template, with

a maximum g-band decline rate of | ∆m/∆t |max=

0.50 mag day−1 at ∼ 5 days after peak. Its luminos-

ity, however, is much lower than those of AT 2018cow

and the SN Ibn template. In Figure 1, we further com-

pare the r-band light curve of AT 2020ohw with that

of iPTF13bvn (Fremling et al. 2016), a low-luminosity

SN Ib, and with the R-band light curve of SN 1994I

(Richmond et al. 1996), a rapidly evolving SN Ic.

AT 2020ohw is fainter than SN 1994I, although both

events have similar rising rates. The peak of the light

curve of AT 2020ohw is similar to that of iPTF13bvn

but AT 2020ohw rises faster to peak. We propose

that AT 2020ohw is a RET, possibly a relatively low-

luminosity and rapidly evolving SN Ib/c.

3.8. AT 2020oor (ZTF20ablatmf)

AT 2020oor was reported to the TNS by Nordin et

al. (2020b). The rise has a similar rate to that of

AT 2018cow, and the initial decline is even faster. In

the first four days after peak, the decline rate is sim-

ilar to that of AT 2017gfo, but later slows down and

even flattens. No source is detected in the vicinity of

AT 2020oor in archival images. We obtained g and r

imaging at the position of AT 2020oor with Keck I/LRIS

on 2022 June 28. The data-reduction process is the same

as that described in Section 3.3. A possible source is de-

tected by autophot with a signal-to-noise ratio of ∼ 2

in the g and r images (Figure A3). We perform artifi-

cial source injection using the PSF model of each image

to determine the limiting magnitudes of the image (see

Brennan & Fraser (2022) for further details), obtaining

a 3σ upper limit of 25.00 mag in g and 24.95 mag in r.

Unfortunately, we cannot determine the nature of this

source based on the current data.

3.9. ZTF21abcyioo

ZTF21abcyioo is the most promising KN candidate

among our sample, having a light curve similar in shape

to that of AT 2017gfo (Figure 1). The last ZTF g-band

detection and adjacent upper limit, at six days after dis-

covery, show an even faster late-time decline than that

of AT 2017gfo. The Galactic-extinction-corrected g − r
color of ZTF21abcyioo is between ∼ −0.2 and −0.3 mag,

not as red as that of AT 2017gfo which starts from ∼ 0

mag and evolves redward to ∼ 1.5 mag at five days

after peak. There is an underlying source in archival

PS1 images at the position of ZTF21abcyioo that has

g = 21.71± 0.04 mag, r = 20.87± 0.03 mag (Chambers

et al. 2016), and sgscore = 0.38. The Galactic latitude

of ZTF21abcyioo is bGal = 25.3◦, close to the limits of

our search. The Gaia Data Release 3 (DR3) does not

provide a measurable proper motion of this source (Gaia

Collaboration et al. 2022). The DESI Legacy Imaging

Surveys catalog classifies the archival source as a stellar

object but does not provide an ellipticity measurement

(Zou et al. 2019; Dey et al. 2019).

To reveal the nature of ZTF21abcyioo, we ob-

tained spectra at the position of ZTF21abcyioo with

Keck I/LRIS on 2022 September 23. The data were
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optimally extracted with aspired12 (Lam et al. 2021;

Lam 2023). We identify the prominent absorption dou-

blet of sodium Na i D λλ5890 (D2), 5896 (D1) (Figure

3) at z = 0. According to the relation from Poznanski

et al. (2012), the Galactic extinction of E(B − V ) =

0.04 mag at this position (Schlafly & Finkbeiner 2011)

corresponds to an equivalent width of EW(D1 + D2)

= 0.39 ± 0.07 Å for the Na i D doublet. However, we

measure the observed EW(D1 + D2) from the spectrum

to be ∼ 17.6 Å, much larger than the Galactic contribu-

tion. Therefore, we suggest that the major contribution

to these features is from the underlying source, making it

a z = 0 Galactic object. Unfortunately, we cannot deter-

mine the nature of the source or its outburst. To calcu-

late the probability that the spatial coincidence between

ZTF21abcyioo and a foreground Galactic source could

be due to chance, we count the number of stellar sources

in the PS1 catalog down to its limiting magnitude of

g = 23.3 mag (Chambers et al. 2016) in a 0.1◦ radius

region around ZTF21abcyioo, finding 51 sources. Con-

servatively, assuming we would associate ZTF21abcyioo

with a stellar source if it were within a radius of 2′′ from

it, we find that the probability of a chance coincidence

in this field is only 2%. This reaffirms our conclusion

that ZTF21abcyioo is probably of Galactic origin.

4. DISCUSSION

Here we discuss the implications of our search results

for future surveys. First, we wish to quantify poten-

tial contaminants to RET searches in general, and to

KN searches in particular (both following, and indepen-

dently of, GW alerts). During the 3.75 yr period of

our search, we found 60 RET candidates with coherent

light curves (see Section 3), or 16 events per year. Since

we required a limit on the duration of RET candidates,

transients that start rising quickly but are detected for

a total duration of more than 30 days in the ZTF sur-

vey are not included in our sample. Those transients

could be contaminants to real-time searches. Therefore,

our estimate of 16 events per year can only be consid-

ered as a lower limit for what can be found in real-time

searches. Of those, we identified 19 valid RET candi-

dates in 3.6 yr, corresponding to 5.2 events per year.

The distributions of Galactic latitude, |bGal|, for our

events are displayed in Figure 4. As expected, Galac-

tic objects are concentrated in lower bGal; however,

there is still a significant number of these events out to

|bGal| = 40◦. Most undetermined events are also at rela-

tively low |bGal|, indicating that they are likely Galactic

12 https://github.com/cylammarco/ASPIRED

as well, with only one above 40◦. RETs are more evenly

distributed compared to the other two groups. These

results can help fine tune future search criteria and con-

tamination expectations.

Next, we compare our search results with previ-

ous studies. Only one of our 19 RET candidates,

SN 2019rta, overlaps with samples found by previous

searches (Ho et al. 2021). One main reason that we do

not recover some of the existing candidates is that we

use data only from the public ZTF survey, which is a

subset of the full survey data available to Andreoni et

al. (2020), Andreoni et al. (2021), and Ho et al. (2021).

Additionally, there are several differences between our

search criteria and those in the literature. Andreoni

et al. (2020) and Andreoni et al. (2021) selected only

rapidly declining transients while our search selected

both rapidly rising and rapidly declining events. Also,

Andreoni et al. (2020) and Andreoni et al. (2021) re-

jected candidates with a total time span of > 14 days,

which is much shorter than our threshold of 30 days. Ho

et al. (2021) required that the light curves of the candi-

dates be well sampled; there had to be an observation

within 5.5 days both before and after peak brightness

in both the g and r bands, a criterion that some of our

candidates do not fulfill. Finally, all searches in the lit-

erature ended before 2020 November; thus, all of our

candidates from after that epoch could not have been

identified previously.

Our search yielded six undetermined events, four

RETs (of which three were previously known, and

AT 2020ohw is newly identified here), but no valid KN

candidates. We can utilize these results to constrain the

volumetric rate of RETs and KNe. We use simsurvey

(Feindt et al. 2019), a software package for simulating

transient light curves detected based on a given sur-

vey strategy, to calculate the occurrence rates. The
details of the ZTF CCDs and filters are embedded in

simsurvey. We use the actual observation schedule of

the ZTF public survey from our search period using

the ZTF Public Data Release 14 (Masci et al. 2019)

which includes coordinates, time, and filter information

for each exposure. Milky Way extinction was applied to

each survey pointing based on the measurements from

Schlegel et al. (1998).

For KNe, we use the best-fit radiative transport pa-

rameters derived by possis (Bulla 2019) for AT 2017gfo

in Dietrich et al. (2020) and assume the distribution of

viewing angle i is uniform in cos(i), following Andreoni

et al. (2020). We injected the simulated spectra into

simsurvey in a redshift range z ∈ (0, 0.03) with a given

rate. We filter the simulated light curves with the crite-

ria described in Section 2.1. According to Poisson small-
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number statistics, using the method of Gehrels (1986),

and given that we detected no KNe in our search, we

find that the 95% confidence upper limit to the number

of actual KNe during our search period is three. There-

fore, our upper limit on the KN rate is the rate at which

three KNe are recovered from the simulation. Combin-

ing the survey schedule with the KN model, we derive a

rate of R ≤ 2,400 Gpc−3 yr−1. This is consistent with

but less constraining than the rate limit of Andreoni et

al. (2021) (R ≤ 900 Gpc−3 yr−1 at 95% confidence) for

GW170817-like KNe.

The rate calculation for RETs is slightly more com-

plicated. Our search yielded four RETs of varying

peak r-band magnitudes (−18.8 for the Type Ibn SN

2018fmt, −17.4 for the Type IIb SN 2019rta, −19.8 for

the Type Icn SN 2021ckj, and −16.6 for AT 2020ohw,

the new RET identified here). Since the assumed light-

curve luminosity has a strong effect on the rate esti-

mates, and since we do not know the true luminosity

function of RETs, here we estimate the rate only of

AT 2020ohw-like RETs (i.e., with a similar peak lumi-

nosity). simsurvey requires a time-dependent spectral

energy distribution (SED) template, which we do not

have for AT 2020ohw; we therefore use AT 2018cow as a

model, building the SED template from the AT 2018cow

spectra of Perley et al. (2019a) and Xiang et al. (2021)

assuming the emission is isotropic. We then scale the

templates to match the light curve of AT 2020ohw

around peak and use that as input for simsurvey. The

process described above is followed to calculate the vol-

umetric rate of RETs based on a single event discovered

in our search. With a 95% confidence interval, the num-

ber of actual AT 2020ohw-like RETs during our search

period is 1+3.74
−0.95, and the resulting volumetric rate esti-

mate is 1050+3750
−950 Gpc−3 yr−1. This is a lower limit,

even just on the rate of AT 2020ohw-like RETs, since

we do not know if any of the six undetermined events in

our search are also of this type. This result is therefore

broadly consistent with the ≥ 1000 Gpc−3 yr−1 rate cal-

culated by Pursiainen et al. (2018) for FBOTs peaking

between Mg = −15.8 and Mg = −22.2 mag, and the

4800–8000 Gpc−3 yr−1 rate calculated by Drout et al.

(2011) for FBOTs peaking between Mg = −16.5 and

Mg = −20 mag.

5. CONCLUSIONS

Searching the archival ZTF public survey for RET

candidates based on well-defined criteria between 2018

May and 2021 December yielded 19 bona-fide RET

candidates, corresponding to a discovery rate of five

events per year. To try to determine their physical ori-

gin, we obtained observations of some candidates us-
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ing Keck I/LRIS. Of nine previously unclassified RET

candidates, we find that one is extragalactic, two are

Galactic, and the nature of the remaining six events re-

mains undetermined. We derive a volumetric rate of

RETs similar to our one extragalactic confirmed can-

didate (which peaks at Mr = −16.6 mag) of R =

1050+3750
−950 Gpc−3 yr−1. No valid KN candidates were

detected, from which we are able to obtain an upper

limit on the volumetric rate of GW170817-like KNe of

R ≤ 2,400 Gpc−3 yr−1.

This work quantifies the contamination to KN and

RET searches. Even with a Galactic latitude cut of

20◦, at least 8 and possibly up to 14 of the 19 events

(∼ 42–74%) are Galactic, with a substantial number

of them extending out to a Galactic latitude of 40◦.

This includes one Galactic event with a light-curve shape

closely mimicking that of the GW170817 KN. Between

4 and 10 of the 19 events (∼ 21–53%) are RETs. These

results can be used for estimating contamination rates in

searches for RETs in transient alert streams and specif-

ically for searching for KNe independently of GW and

GRB triggers.
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APPENDIX

A. DEEP PHOTOMETRY

We obtained imaging at the positions of AT 2019lbw, AT 2020ddu, and AT 2020oor with Keck I/LRIS. The PSF

subtractions at these positions generated by autophot (see Section 3.3, 3.5, and 3.8) are presented in Figures A1–A3.
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Figure A1. PSF subtraction of the source at the position of AT 2019lbw in g (upper panels) and r (lower panels) imaging,
produced with autophot. The main panels show a cutout of the target position before (left) and after (right) PSF subtraction,
while projections along the X and Y axes are also shown for each panel.
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Figure A2. Same as Figure A1 but for AT 2020ddu.
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Ivezić, Ž., Kahn, S. M., Tyson, J. A., et al. 2019, ApJ, 873,

111. doi:10.3847/1538-4357/ab042c

Kasliwal, M. M., Kulkarni, S. R., Gal-Yam, A., et al. 2010,

ApJL, 723, L98. doi:10.1088/2041-8205/723/1/L98

Kasliwal, M. M., Nakar, E., Singer, L. P., et al. 2017,

Science, 358, 1559. doi:10.1126/science.aap9455

Kilpatrick, C. D., Foley, R. J., Kasen, D., et al. 2017,

Science, 358, 1583. doi:10.1126/science.aaq0073

Kleiser, I. K. W. & Kasen, D. 2014, MNRAS, 438, 318.

doi:10.1093/mnras/stt2191

Kleiser, I. K. W., Kasen, D., & Duffell, P. C. 2018,

MNRAS, 475, 3152. doi:10.1093/mnras/stx3321

Kochanek, C. S., Shappee, B. J., Stanek, K. Z., et al. 2017,

PASP, 129, 104502. doi:10.1088/1538-3873/aa80d9

Kulkarni, S. R. 2005, astro-ph/0510256.

doi:10.48550/arXiv.astro-ph/0510256

Kupfer, T., Prince, T. A., van Roestel, J., et al. 2021,

MNRAS, 505, 1254. doi:10.1093/mnras/stab1344

Lam M. C., Smith R. J., Arcavi I., Steele I. A.,

Veitch-Michaelis J., Wyrzykowski L., 2021, arXiv,

arXiv:2111.02127

Lam M. C., 2023, zndo, doi:10.5281/zenodo.4127294

Law, N. M., Kulkarni, S. R., Dekany, R. G., et al. 2009,

PASP, 121, 1395. doi:10.1086/648598
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Abstract

The Cherenkov Telescope Array Observatory (CTAO) is a next-generation facility for ground-based very
high energy gamma ray astronomy. CTAO will be operated as an open observatory. With two sites, in
the northern and southern hemispheres, the Cherenkov Telescope Array CTA will provide full-sky coverage,
improving sensitivity by an order of magnitude over current instruments, with a wide gamma ray energy
coverage from 20 GeV to 300 TeV. CTA will use telescope arrays composed of three types of telescopes,
optimized to cover different energy ranges. The large telescopes covering the lowest energies provide rapid
slewing capability, for follow-up of transients. Key Science Projects (KSPs) are developed to form a signif-
icant part of the CTAO observing program during the first decade of operation, providing legacy data sets
such as surveys or deep observations of key targets.
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1 Science motivation for the Cherenkov Telescope Array (CTA)

The Cherenkov Telescope Array Observatory (CTAO) is a next-generation facility for observing very high
energy cosmic gamma rays. ‘Very high energy’ here refers to the Teraelectronvolt (TeV) energy domain,
give or take 2 orders of magnitude in energy. With energies well above any thermal energy scales in the
current Universe, cosmic gamma rays in this energy domain are produced by non-thermal mechanisms, when
high-energy cosmic particles interact with interstellar gas or with radiation fields, or when heavy relics left
over from the Big Bang annihilate or decay. The spectrum of gamma rays reflects that of the primary
particles; for nuclei interacting with target gas, the spectrum of gamma rays resembles that of the primary
particles, shifted down in energy by one order of magnitude. Beyond interacting nuclei, a second main
mechanism for gamma ray production is the interaction of high-energy electrons or positrons with radiation
fields via the Inverse-Compton mechanism; here, a power-law spectrum of electrons with index Γ results in
a gamma ray spectrum with index (Γ+1)/2, up to the point when the Klein-Nishina domain is reached (the
center of mass energy of the interaction significantly exceeds mec

2), when the gamma-ray spectrum steepens.
Very high energy gamma rays hence trace populations of high-energy particles in the Universe, and serve to
locate cosmic particle accelerators, where the density of particles is high, or locations where relic particles
accumulate. The charged particles impinging on Earth cannot be used to locate cosmic accelerators, since
they propagate diffusively in interstellar and intergalactic magnetic fields, and are significantly deflected
except at ultra-high energies well beyond 1020 eV.

Starting with the discovery of very high energy gamma rays from the Crab Nebula in 1989 by the Whipple
telescope [1], Cherenkov telescopes such as the H.E.S.S. [2], MAGIC [3] and VERITAS [4] telescope systems
– in the following referred to as ‘current IACTs’ – and lately particle arrays such as HAWC [5] and LHAASO
[6] have driven the rapid evolution of very high energy gamma ray astronomy. Over 200 sources of very high
energy gamma rays were detected, associated with objects such as supernova remnants, pulsar wind nebulae,
binary systems, novae, stellar clusters and star-forming regions, star-forming galaxies, active galactic nuclei,
or gamma-ray bursts [7]. Very high energy particle acceleration has proven to be ubiquitous throughout the
Universe. Today’s instruments provide gamma ray sky maps with 5’ angular resolution, energy spectra that
cover three decades in gamma-ray energy, and light curves showing variability on all scales from sub-minute
scales to years.

Despite this remarkable evolution of very high energy gamma ray astronomy, current IACTs are not
sensitive enough and versatile enough to decisively answer some of the key questions. For example, a
quantitative understand of cosmic ray origin – which sources contribute at which level – is lacking, and the
origin of PeV-scale cosmic nuclei is completely open. One reason could be that current IACTs probe typical
sources only up to distances of few kpc, so only a small fraction of the Galaxy is explored and rare source
types are likely to be missed. For particle acceleration around the black holes of Active Galactic Nuclei
(AGN), and in their jets, the acceleration mechanism and in particular the origins of the observed rapid
variability remain to be understood. Gamma rays also serve to probe annihilation signatures of WIMP
Dark Matter – with the Galactic Center as the most promising region – but limits on annihilation rates of
TeV-scale particles are still above the predicted rates (as of 2021), and cannot confirm or exclude models.

The design of the Cherenkov Telescope Array Observatory as a next generation facility is driven by the
following main science themes [8]:

• Theme 1: Understanding the Origin and Role of Relativistic Cosmic Particles, addressing
questions such as: What are the sites of high-energy particle acceleration in the universe? What are
the mechanisms for cosmic particle acceleration? What role do accelerated particles play in feedback
on star formation and galaxy evolution?

• Theme 2: Probing Extreme Environments, with topics including: What physical processes are
at work close to neutron stars and black holes? What are the characteristics of relativistic jets, winds
and explosions? How intense are radiation fields and magnetic fields in cosmic voids, and how do these
evolve over cosmic time?

• Theme 3: Exploring Frontiers in Physics, aiming at answering: What is the nature of dark
matter? How is it distributed? Are there quantum gravitational effects on photon propagation? Do
axion-like particles exist?

The ‘Science with CTA’ book [8] provides details on these themes, and on the Key Science Projects (KSPs)
that serve to provide the data to address them.

Towards addressing these science themes, the following targets for the design of CTA were identified [8]:

• improve the sensitivity level of current IACTs by an order of magnitude at TeV energies,

• significantly boost detection area, and hence photon rate, providing access to the shortest timescale
phenomena,

• substantially improve angular resolution and field of view and hence ability to image extended sources,

• provide energy coverage for photons from 20 GeV to at least 300 TeV, to give CTA reach to high-
redshifts and extreme accelerators,

• dramatically enhance surveying capability, monitoring capability, and flexibility of operation, enabling
simultaneous observations of objects in multiple fields,
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• serve a wide user community, with provision of data products and tools suitable for non-expert users,
and

• provide access to the entire sky, with sites in two hemispheres.

In the following, the concept of CTA and the historical evolution of CTA are summarised (Section 2).
Section 3 describes the layout of the telescope arrays, the characteristics of the telescopes, and the sites where
arrays are located. CTA will be operated as an open observatory; relevant aspects and CTAO organisation
are presented in Section 4. Section 5 finally addresses CTA instrument performance, science performance
and KSPs.

2 CTA concept and history

This section serves to introduce the concepts and strategies underlying the design of CTA, and to summarize
the evolution of the project.

2.1 CTA concept

The CTA concept is based on an evolution of the proven and highly successful concept of arrays of Cherenkov
telescopes, imaging several views of an air shower to allow the three-dimensional reconstruction of the shower
trajectory, the measurement of the energy of the incident particle initiating the shower, and – within limits
– the identification of its type, in particular distinguishing electromagnetic showers from hadron-induced
showers.

Systems of Cherenkov telescopes such as H.E.S.S., MAGIC or VERITAS [2, 3, 4] consist of few telescopes,
with a spacing comparable to the radius of the Cherenkov light pool. This limits the effective detection area
to roughly the size of the light pool, once a coincidence between telescopes is required. It also limits the
stereo angle under which showers are viewed, and only for a modest fraction of events all telescopes see the
shower. The CTA concept is based on a grid of Cherenkov telescopes that covers an area large compared to
the Cherenkov light pool, while maintaining a spacing of the scale of the light pool radius. This has several
consequences:

• the effective detection area is determined by the area of the telescope grid, rather than the size of the
light pool, and grows linearly with the number of telescopes;

• a shower whose light pool is contained in the telescope grid is viewed by a larger number of telescopes,
providing improved reconstruction compared to telescope systems like H.E.S.S. MAGIC, or VERITAS,
improved angular resolution and improved background rejection;

• for a shower whose light pool is contained in the grid, there is always one or more telescopes in the
region of maximal light intensity, lowering the effective energy threshold.

In the regime where sensitivity is limited by the signal-to-background ratio – typically up to a few TeV –
the sensitivity asymptotically grows with the square root of the array area, and hence – for fixed telescope
spacing – with the square root of the number of telescopes. In the transition regime from few to many
telescopes, however, the various effects combine to provide a faster growth of sensitivity with telescope
number.

The wide energy range targeted for CTA – from 20 GeV to beyond 300 TeV – places a further challenge.
To detect 20 GeV showers, telescopes of the 20 m class are required. On the other hand, to detect a
sufficient number of 300 TeV gamma rays, array areas in the 10 km2 range are needed. Towards a cost-
effective solution, the CTA energy range is covered by three types of telescopes, with 23-m Large-Sized
Telescopes (LST) detecting the lowest energies over a relatively modest area of about 105 m2, 12-m Medium-
Sized Telescopes covering the core energy range from about 100 GeV to several TeV for a km2-sized detection
area, and 4-m Small-Sized Telescopes detecting multi-TeV showers of a multi-km2 area. The LSTs – in the
baseline design four on each site – work like the H.E.S.S. or VERITAS telescope systems, but with lower
energy threshold due to their larger size. The MSTs and SSTs aim to realize the above-discussed concept
of large grids, with corresponding gains in sensitivity. The combined array provides a detection area that
steadily increases with energy, compensating for the gamma flux that is rather steeply falling with energy,
for a very wide usable energy range over which sources can be detected.

Another key ingredient towards CTA performance are improvements in the design and performance of
individual telescopes, in particular

• photo sensors with improved quantum efficiency, such as photomultiplier tubes with about 40% peak
quantum efficiency (LST, MST), or silicon photo sensors (SST),

• an increased field of view compared to current telescopes (for MST and SST), using (for the SST)
dual-mirror optics for improved imaging over a large field of view,

• very high slewing speeds for the LST, for rapid follow-up of transients,

• improved reliability and maintainability of the telescopes, for efficient observatory operation.
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The layout of the arrays and the design of the different telescopes is detailed in Section 3.
Essential element of the concept is that – a first in ground-based gamma ray astronomy – CTA will be

operated as an observatory, open to external users, and providing users with fully reconstructed air showers
and science tools to generate spectra, sky maps and light curves. CTA will be able to respond to alerts from
other instruments, and will be able to issue alerts on its own, both on sub-minute time scales.

2.2 CTA history

Already in 1992, at the time when just the second TeV gamma-ray source – Mrk 421 – was discovered
by the 10m-diameter Whipple imaging Cherenkov telescope, the workshop ‘Towards a Major Atmospheric
Cherenkov Detector’ at Palaiseau/France [9] discussed future powerful Cherenkov instruments; contributions
included the discussion of large arrays of imaging Cherenkov telescopes. Instead of a single large instrument,
however, three major new instruments emerged in the coming years: MAGIC [3], a 17 m telescope on La
Palma inaugurated in 2003, later upgraded with a 2nd 17 m telescope; H.E.S.S. [2], a system of four Wipple-
sized telescopes in Namibia inaugurated in 2004, originally planned as the first stage of a 16-telescope
system but later upgraded by adding a 28 m telescope; and VERITAS [4], also a system of four Whipple-
sized telescopes in Arizona inaugurated in 2007, originally planned as a 7-telescope system. After very
successful operation and science with these instruments, activities towards a next-generation system in
Europe were triggered by the APPEC 1 roadmapping process for astroparticle physics in Europe, and by
the 2004 announcement of plans for the ESFRI2 European Roadmap of large-scale research infrastructures.
In late 2005, H.E.S.S. and MAGIC scientists submitted to ESFRI a project concept for the Cherenkov
Telescope Array (CTA). CTA was indeed included as an ‘emerging proposal’ in the 2006 ESFRI Roadmap,
was highly ranked in the first APPEC Roadmap in 2008/9, and was listed as a regular project in the 2008
update of the ESFRI Roadmap. After initial community meetings in 2007, the CTA Consortium (CTAC)
was formally established in 2008, and over the years grew to more than 1500 members from more than 200
institutes in over 30 countries, in 2022.

A parallel process started in the US around 2005, discussing an array of telescopes using the novel
Schwarzschild-Couder dual-mirror optics for improved Cherenkov imaging [10], and resulting in 2007 in the
proposal for the Advanced Gamma-ray Imaging System (AGIS) [11]. Based on a recommendation by the
2010 Decadal Survey of Astronomy and Astrophysics in the US, the AGIS team merged with CTA, creating
a word-wide unified effort towards a next-generation instrument.

The CTA Consortium both developed the science case for CTA and, jointly with the CTA project office
(established in 2010), evolved the design and prototyping of the instrument. Major milestones towards
documenting the science case were the CTA Astroparticle Physics special volume in 2013 [12] and the
‘Science with CTA’ book in 2017 [8]. Following on an initial presentation of design concepts in 2011 [13],
a CTA Preliminary Technical Design Report (PTDR) was released in 2013, and a Technical Design Report
(TDR) in 2015. As already mentioned, the design combined three different telescope sizes, 23-m Large-Sized
Telescopes (LST), 12-m Medium-Sized Telescopes (MST), and 4-m Small-Sized Telescopes (SST), with 4
LSTs on both the Northern and Southern sites, 25 MSTs in the South and 15 MSTs in the North, and
70 SSTs in the South (see Section 3), for a total of 99 telescopes in the South and 19 in the North. The
SSTs are mostly relevant for Galactic science, and are concentrated in the South. In reaction to funding
limitations, in 2016 a ‘threshold’ design for the arrays was defined, with 4 LSTs and 5 MSTs (rather than
4 + 15) in the North, and 15 MSTs and 50 SSTs (rather than 4 LSTs + 25 + 70) telescopes in the South.
The lack of LSTs in the South implied a temporary specialisation on extragalactic science in the North, and
on higher-energy Galactic sources in the South.

A parallel effort served to secure funding for CTA, and to establish a legal entity to build and operate
the future observatory. Starting from late 2010, the CTA Preparatory Phase was supported by a grant
from the European Commission, allowing the creation of a central project office located in Heidelberg. The
CTA Resource Board (RB) of agency representatives was founded in 2011; in July 2012 representatives
from 13 countries signed a Declaration of Intent (DOI) where signatories expressed their common interest in
participating in the construction and operation of CTA. In July 2014, agencies founded the CTA Observatory
(CTAO) gGmbH with seat in Heidelberg, to provide a legal entity preparing the construction of CTA. CTAO
gGmbH is governed by its Council. RB and CTAO Council co-existed for over a year, until late 2015. The
formal CTA array site selection process was initiated in 2012 by the RB; in July 2015 the RB decided to enter
into detailed contract negotiations for hosting CTA on the European Southern Observatory (ESO) Paranal
grounds in Chile and at the Roque de los Muchachos site in La Palma, Canary Islands. Site negotiations
were concluded in December 2018 with the signature of the hosting agreement for the Chilean CTA site; the
hosting agreement for the La Palma site was already signed in 2016. Details are given below in Section 3.4.
The search for the site of the future CTAO Headquarters and of the Science Data Management Centre was
managed by the Council, with an call posted in late 2015. The decision in June 2016 to locate the CTAO
Headquarters in Bologna/Italy was accompanied by the decision to create the CTAO European Research
Infrastructure Consortium (ERIC) as final legal entity to build and operate the Observatory. The decision

1APPEC – the Astroparticle Physics European Consortium – is a consortium of 19 funding agencies, national government
institutions, and institutes from 17 European countries (Status 2021)

2ESFRI – the European Strategy Forum on Research Infrastructures – is a forum of government representatives to develop the
scientific integration of Europe
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to move to an ERIC was based on the necessity to have a legal entity recognized in all EU countries, still
allowing the participation to non-EU countries, but with an establishing process faster than that of an
international organisation. A Board of Government Representatives (BGR) was funded in 2018 towards
preparing the ERIC. After a number of iterations, contributions and funding for the first stage of CTA – the
‘alpha configuration’, with 4 LSTs and 9 MSTs in the north, and 14 MSTs and 37 SSTs in the south, see
Section 3.5 – were agreed in June 2021. The ERIC documents were submitted to the European Commission
in mid-2022; establishment of the ERIC – as of writing this chapter – is expected for mid-2023. In parallel,
pre-construction activities regarding site infrastructure started on both the Northern and Southern CTAO
array sites, and the first LST telescope was deployed and commissioned on the Northern array site. In late
2022, as part of a special Italian program, funding was approved to provide two LSTs and 5 SSTs envisioned
as additional telescopes for the Southern array, allowing it to cover the full energy range from 20 GeV to
300 TeV.

3 Telescope arrays

This section describes the choice and optimisation of the layout of the telescope arrays, the telescope design
and technology, the scheme for monitoring and calibration of the arrays, the array sites and their selection,
and the ‘alpha’ array configuration chosen for the initial implementation, with space for future enhancement
of the arrays.

3.1 Simulation and layout optimisation

Already the very first sketches of an array layout for CTAO bear significant similarity with the final layouts;
a 2006 concept drawing (Fig. 1) shows three zones with telescope of different sizes, the inner compact zone
of very large telescopes providing very low energy threshold (10-20 GeV), the middle zone with 10-m class
telescopes providing 50-100 GeV threshold over an area of about 200000 m2, and the outer, multi-km2 zone
with small telescopes providing 1-2 TeV threshold. This concept was based on the experience with then
existing telescope systems, coupled with the knowledge that covering more than one decade in energy with
a given telescope type would likely not be cost-effective.

Figure 1: Early concept of CTA, presented at an ESFRI meeting 2006 in Brussels.

However, while designs look similar, it was a long effort to evolve from the concept to fully cost- and
performance optimised array layouts and telescope designs. Details are given in [14, 15, 16], from which the
following discussion is taken.

In the initial design steps, a generic telescope cost model was used with mirror area, field of view and
pixel size as primary parameters, allowing to compose different array layouts at constant total cost. As a first
step, semi-analytical performance estimations were carried out using parameterisations for the responses of
each telescope type. These studies allowed quick estimates of gamma-ray and cosmic-ray detection rates for
a wide variety of telescope configurations and arrangements. Simulations of regular square grids of telescopes
were performed to quantify the impact of parameters such as mirror area, field of view, pixel size or telescope
spacing.

To validate and fine tune the telescope configurations calculated with these simplified approaches, a series
of five large-scale MC simulations were performed, in each step refining the modelling of telescopes based
on the concurrently evolving telescope designs and telescope prototypes. The full-scope design number of
telescopes (4 LSTs, 25 MSTs and 70 SSTs for the Southern array and 4 LSTs and 15 MSTs for the Northern
array) was fixed after a combined effort involving the production of large-scale MC simulations, evaluation
of the performance of very different array layouts, and study of the effect of this diverse set of layouts over a
large variety of key scientific cases (see [16] and references given there). Once telescope numbers were fixed,
and given the arrangement of telescope types in roughly concentric circles, the main free parameter is the
telescope spacing, with a large spacing optimising high-energy detection rates at the expense of low-energy
response and number of telescopes viewing a given shower, relevant for angular resolution and cosmic-ray
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background rejection. To support the cross-calibration between different types of telescopes, one/two units
are added almost at the center of the closer telescope-type sub-array.

Each of the large-scale Monte Carlo simulations used ‘master layouts’ with 100s of telescopes, distributed
over areas up to 6 km2, designed to contain numerous possible CTA layouts of equivalent cost. To identify
the optimal arrangement, telescope subsets corresponding to plausible layouts were extracted, analysed and
their performance was compared with respect to each other. Air showers initiated by gamma rays, cosmic-ray
nuclei and electrons were simulated using the CORSIKA package [17]. The telescope response was simulated
using the sim telarray package [18]. The performance of each telescope layout was estimated by analysing
these data using reconstruction methods developed for the H.E.S.S., MAGIC and VERITAS IACT systems,
and adapted for analysis of the CTAO arrays. The first large-scale production (Prod1, 2009) covered a
wide range of different layouts [14], from very compact ones, focused on low energies, to very extended
ones, focused on multi-TeV energies. The evaluation of these layouts, studying their impact on a range of
science cases, resulted in a clear preference for intermediate layouts with a balanced performance over a wide
energy range. The second large-scale production (Prod2, 2012-2014) refined the layout optimisation studies
while placing additional emphasis on assessing the effect of site-related parameters on performance at the
proposed sites to host the CTA Observatory; details are discussed below in the context of CTA site selection.
The third large-scale production (Prod3, 2016-2020) was carried out for the primary CTA site candidates,
Paranal (Chile) and La Palma (Spain). Telescope design configurations were updated and a significantly
larger and more realistic set of available telescope positions were included. The aim of this production was to
refine the optimisation, defining the final telescope layout for both CTA arrays by reducing the optimisation
uncertainty to the few percent level. For the Paranal site alone this simulation required ≈ 120 million
HEP-SPEC06 CPU hours and ≈ 1.4 PB of disk storage. Fig. 2 illustrates three different scalings of radial
telescope positions.
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Figure 2: Examples of the three scaled layouts for one of the Paranal site candidates (“S1”).
LST positions are indicated by red circles, MSTs by green triangles, and SSTs by blue
squares. From [19].

The primary parameter to evaluate the performance of array layouts was the differential sensitivity,
defined as the minimal detectable flux in 0.2-decade energy bands, calculated from the simulated detection
rates for gamma rays in a source region of size defined by the (energy-dependent) angular resolution, and
the corresponding background rates from cosmic ray nucleon and electron-initiated air showers. As a single
figure of merit, the spectrum-averaged sensitivity was used (Performance per unit time, PPUT). PPUT is
defined as the (suitably normalized) geometric mean of the sensitivities in the individual 0.2-decade bands.
PPUT may be calculated for the whole CTA-required energy range to estimate the overall performance, i.e.
from 20 GeV up to 300 (50) TeV for the southern (northern) array, or for energy sub-ranges, to evaluate
specific telescope sub-system capabilities. PPUT is defined such that a larger number corresponds to better
performance [16]. Independent analysis chains were used to process the full Monte Carlo production for a
large number of telescope configurations for both the Paranal and La Palma sites. Fig. 3 illustrates how
PPUT varies with scaling of telescope distances in the array, and with the separation between pairs of LSTs;
also shown is the LST energy threshold. The figure illustrates that the array performance shows a very
flat optimum; even vastly different layouts such as ‘Scaling 1’ and ‘Scaling 5’ (Fig. 2) differ in performance
by only 15%. Different analysis packages provide results consistent within few %. The spacing of the LST
telescopes is rather uncritical; there is a flat optimum between about 100 m and 170 m.

Based on Prod3 simulations, optimal array layouts for the full scope configuration (later termed ‘omega
configuration’) were defined, and the resulting instrument response functions were made publicly available,
allowing widespread simulation of CTA science cases. Fig. 4 shows the resulting array layouts. Fig. 5
(left) illustrates how the effective detection area of the southern array grows with energy, compensating the
decline in the flux of typical gamma-ray sources and providing a large dynamic range in energy over which
gamma-ray spectra can be followed. The LSTs provide low threshold but saturate at 2 · 105 m2 detection
area; the MSTs kick in at about 100 GeV and saturate slightly above 106 m2; SSTs take over above 1 TeV
and at high energy provide detection areas in excess of 5 · 106 m2. Fig. 5 (right) shows the corresponding
differential flux sensitivity as a function gamma-ray energy and observing time.

Monte Carlo production Prod4 (2018-2019) used refined models in particular for the SST telescopes, and
served to derive the performance of three different SST designs considered at that time (see Section 3.2.3),
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towards a decision which design or combination of designs to implement.
The Prod5 Monte Carlo production (2020-2021) finally served to optimize the layout of the ‘alpha

configuration’ arrays with initially reduced numbers of telescopes (see below), also accounting for updated
terrain-related constraints in the placement of the telescopes on the northern site. Telescope simulations
were improved and tuned, taking into account e.g. the measured wavelength-dependent mirror reflectivities
and their point spread functions; measured lightguide efficiencies; the measured sensor quantum efficiencies,
pulse shapes, and afterpulse rates; improved simulations of electronics chains and digitisation and trigger
systems; calibration procedures and uncertainties in resulting calibration coefficients. Between 50 and 100
parameters per telescope were determined from telescope prototypes, documented, and implemented in the
simulations [22].

3.2 Telescopes

The design of the CTA project is based on the use of three different types of telescopes, each of which
optimised for its specific energy range: the Large-Sized Telescopes (LST), the Medium-Sized Telescopes
(MST) and the Small-Sized Telescopes (SST). The different CTA telescopes and their sizes are illustrated
in Fig. 6. The key telescope specifications are summarized in Fig. 7. While MSTs and LSTs included in
the ‘alpha configuration’ represent an evolution of the single-mirror telescopes as employed in the H.E.S.S.,
MAGIC and VERITAS telescope arrays, the SSTs use an innovative Schwarzschild-Couder dual-mirror
optics (Fig. 8), that provides improved imaging and smaller point spread function over a large field of view
by correcting comatic aberrations, and that results in a very compact focal plane instrumentation (‘camera’)
tugged underneath the secondary mirror. To reduce astigmatism, the focal plane is curved. The small plate
scale of the dual mirror telescope enables the use of silicon photosensors. The medium-sized Schwarzschild-
Couder Telescopes (SCT) also use dual-mirror optics and are developed towards a later enhancement phase.

Compared to IACTs such as H.E.S.S., MAGIC or VERITAS, the design of the CTA telescopes empha-
sises high reliability and good maintainability; the specification for telescope uptime requires about 98%
availability.

Figure 6: CAD models of the different telescopes: SST, SCT, MST, LST (left to right).
SSTs, MSTs and LSTs are included in the initial ‘alpha configuration’ arrays, SCTs are
planned for the enhancement stage. Credit: CTAO.

3.2.1 Large-Sized Telescope (LST)

The LSTs determine CTA sensitivity in the energy range from 20 GeV to 150 GeV. The LST [23] is an
alt-azimuth telescope, the mount rotating on a 23.9-m diameter rail (Fig. 9). The telescope has a 23 m
diameter parabolic reflective surface composed of 198 hexagonal facets, that are supported by a tubular
structure made of reinforced carbon fibre and steel tubes. The resulting low weight of the telescope of only
114 t allows rapid repositioning, within less than 20 s to any point in the sky; this feature is key for follow-up
in particular of GRB alerts. An active mirror control system keeps the mirror facets aligned, compensating
deformations of the mirror support structure.

The LST camera weighs about two tons, and contains 1855 photomultiplier tubes (PMTs) arranged in 265
modules, providing a 4.3◦ optical field of view, with 0.1◦ pixels, matched to the angular scale of low-energy
gamma-ray showers. High-quantum efficiency PMTs are used, with a peak quantum efficiency of 42%, for
efficient detection of the Cherenkov light. To maximise the light throughput, each photosensor is equipped
with an optical light concentrator. The PMTs are read out by the Domino Ring Sampler (DRS4) analog
pipeline integrated circuit. The camera trigger strategy is based on the shower topology and the temporal
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Figure 7: Characteristics of CTA telescopes.
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Figure 8: Schwarzschild-Couder telescope optics with a primary (left) and secondary (right)
mirror and compact focal plane, as used in the SST and SCT. From [10].
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evolution of the Cherenkov signal produced in the camera. The four LST cameras are interconnected in order
to form an on-line coincidence trigger among the telescopes, which helps to suppress accidental triggers.

A prototype LST telescope – actually the first LST – was inaugurated in October 2018 on La Palma and
– as of early 2023 – is in the process of commissioning and science verification, prior to hand-over to the CTA
Observatory (see [24] and references given there). The LST prototype has demonstrated its performance
by detecting steady TeV gamma-ray emission from the Crab Nebula, pulsed emission from the Crab pulsar,
and also TeV emission from a range of AGNs, including Mrk 501, Mrk 421, 1ES 1959+650, 1ES 0647+250
and PG 1553+113 [25]. Last but not least the LST prototype has detected also the recurrent nova Rho
Ophiuchi.

Figure 9: Left: The LST prototype on La Palma (2018). Credit: Iván Jiménez (IAC).

3.2.2 Medium-Sized Telescope (MST)

Single-mirror MST
The MST telescopes (Fig. 10) govern CTA sensitivity in the core energy range from 150 GeV to 5 TeV. The
telescopes consist of an alt-az positioner, a reflector of approximately 12 m diameter and 16 m focal length,
and a photomultiplier camera. The telescope structure is mostly fabricated in steel, with a space-frame
dish carrying 86 identical hexagonal mirror facets of 1.2 m size and 32.14 m radius of curvature. Facets are
arranged in a modified Davies-Cotton design, on a sphere of 19.2 m radius, representing a tradeoff between
good PSF over a large field of view, and isochronicity of the reflector. Mirror facets are fabricated using a
cold slumping technology, with thin glass sheets on both sides of an aluminium honeycomb structure. The
facets are surface-aluminised, with a multilayer protective coating. Two actuators for each facet serve for
facet alignment. Azimuth and elevation drives of the MST telescope are located in the head of the positioner
tower, with large-diameter bearings and two servo motors for each axis, acting over worm gears. To ensure
high availability and low long-term maintenance efforts most of the electrical components are installed in
cabinets inside the positioner tower, with its 2 m diameter and 9 m height.

The Cherenkov cameras provide 0.17◦ pixels over a ≈ 8◦ optical field of view. Two versions of the
camera were developed: NectarCAM will be used on the telescopes of the northern array, and FlashCam in
the southern array. The two cameras, with 1855 and 1764 pixels, respectively, provide near-identical per-
formance. NectarCAM uses the ‘Nectar’ analog pipeline ASIC for signal capture with GSample/s sampling
rate and shares design features and components with the LST camera. NectarCAM is composed of 265
individual and easily removable modules. Each module is composed of seven photo-detectors (photomulti-
pliers) with their associated readout and local trigger electronics. Each photo-detector is associated with an
individual high voltage and preamplifier board. The FlashCAM design follows a horizontal architecture with
the photon detector plane (PDP), the readout electronics and the data acquisition system as key building
blocks. The PDP contains photomultiplier tubes (PMTs) arranged in a hexagonal structure. 12 PMTs are
combined in a PDP module, which provides high voltage and contains pre-amplifiers, as well as a micro
controller for slow control, monitoring and safety functions. The signals are then transmitted via cables
to the readout electronics, the design of which is based on a fully digital approach with continuous signal
digitisation and digital trigger processing. Signals are digitised continuously with 12-bit Flash-ADCs with
a sampling frequency of 250 MS/s. The readout system uses custom-developed high performance Ethernet
transmission from the front-end into the camera server.

A prototype MST was operated in Berlin-Adlershof, demonstrating the basic functionality of telescope
structure and cameras.
Schwarzschild-Couder Telescope
The Schwarzschild-Couder Telescopes (SCTs) are medium-sized telescopes with an innovative design, similar
to the SST one. The SCTs were proposed as an alternative to the single-mirror MST telescopes; while not
fully ready for large-scale production at the time of this writing, they are planned for a future enhancement
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Figure 10: The MST prototype in Berlin-Adlershof (2015). Credit: CTA Collaboration.

stage of CTAO.
Dual-mirror optics provides an improved point spread function over a wide field of view, permitting more
precise imaging and reconstruction of air showers and hence better angular resolution for gamma rays. Unlike
the SSTs, the medium-sized SCT telescopes were designed to fully exploit these features, with a camera of
0.067◦ pixel size, resulting in a total of about 11000 pixels covering a 7.6◦ optical field of view. The optical
system of SCTs is significantly more complex than that of MSTs, with a 9.7 m diameter primary mirror M1
segmented in 48 aspherical mirror panels, and a 5.4 diameter secondary M2 segmented into 24 panels. The
focal length is 5.6 m. The camera uses modules very similar to the modules used in the SST cameras, with
square 6 mm x 6 mm pixels. To achieve a point spread function compatible with this pixel size, sub-mm and
sub-mrad alignment of the mirror panels is required. The motion of each of the 72 mirror panels is controlled
in six degrees of freedom by six actuators assembled into a Stewart Platform. A panel-to-panel alignment
system measures the relative misalignment between neighbouring panels, and the global alignment system
measures the relative positions of the main optical elements. The SCT optical system is carried by an alt-az
positioner adapted from, and mostly identical to the MST positioner.

The pSCT (Fig. 11) is an SCT prototype at the Whipple Observatory in Arizona (see [26] and references
given there). The telescope was inaugurated, and recorded first light, in January 2019. A first successful
alignment of the full system was completed in December 2019. The 2σ containment radius of the optical
psf was measured to 2.8 arc-min, which meets the design specification of 3.6 arc-min. Commissioning and
first observations continued until February 2020, shortly before the observatory was temporarily closed due
to the COVID-19 pandemic. Observations of the Crab Nebula with the pSCT began on January 18, 2020,
for a total on-source exposure of 22 h, resulting in a 7σ detection [27]. The ultimate goal of the SCT team
is to deliver at least 10 SCTs for the enhancement of the CTA observatory.

3.2.3 Small-Sized Telescope (SST)

The SSTs (see [28] and references given there) govern the sensitivity of the southern CTA array at energies
above 5 TeV; an important aspect in the development of SSTs was modest cost and the ability to mass-
produce the telescopes. Various options to implement SSTs were studied: initially, a 6-m single mirror
telescope with a photomultiplier camera was investigated, but was not pursued due to the high cost of the
PMT-equipped camera. Significantly reduced costs were possible by using compact cameras with silicon
sensors; two implementations of a dual-mirror telescope with Schwarzschild-Couder optics were proposed
and prototyped – ASTRI [29] and GCT [30], and one single-mirror implementation, also using a silicon
sensor camera [31]. Following a harmonisation process in 2019, a formal decision was made to base the SST
on the dual-reflector design adopted by the ASTRI telescope, and the CHEC-S camera prototypes (Fig. 12).

The SST telescope has an alt-az positioner carrying a primary mirror of 4.3 m diameter, a 1.8 m secondary
at a distance of 3 m from the primary, and the camera with an active area of 35 cm, positioned 52 cm from the
secondary. The effective focal length is 2.15 m. The primary mirror is composed of 18 aspherical hexagonal
panels, the secondary is a monolithic 19 mm thick glass shell bent to the required curvature. In 2017 the
ASTRI-Horn prototype installed at the Catania Observatory on Sicily provided a robust optical validation of
a Schwarzschild-Couder telescope; the telescope provides an approximately constant point spread function
across the full field of view, consistent with optics simulations. Equipped with a camera prototype, the
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Figure 11: Prototype of the medium-sized SCT telescope, at the Whipple Observatory in
Arizona (2019). Credit: Deivid Ribeiro, Columbia University.

telescope successfully detected the Crab Nebula.
The CHEC-S camera contains 2048 pixels tiling the curved focal plane, resulting in a 8.8◦ field of view

and 0.19◦ pixel size. Pixels are arranged in 32 identical camera modules connected to a single backplane; each
module contains a silicon PMT (SiPM) tile with 64 pixels each of active size 6 mm x 6 mm. The TARGET
set of ASICs provides SiPM bias control, waveform sampling at 1 GSamples/s and digitisation, and first-level
triggering. Trigger signals from the modules are combined in a gate array (FPGA) on the backplane. As
for all CTA cameras, a White Rabbit system provides absolute timing. The camera and in particular the
focal plane with the SiPMs are liquid-cooled. The CHEC-S camera prototype was successfully tested on the
ASTRI-Horn telescope structure in 2019, and designs of telescope and camera are being finalised towards
mass production.

Figure 12: Left: The first telescope of the ASTRI-MiniArray located in Tenerife (2022). The
telescope structure is equivalent to that of the SST one, whereas the camera of the ASTRI
telescope is different from the one to be installed on the SSTs. Credit: ASTRI collaboration
and the EIE GROUP srl. Right: Prototype of the Compact High Energy Camera (CHEC-S)
with its SiPM. Credit: Christian Foehr (MPIK)

3.2.4 Triggering

For air shower detection, the telescope arrays use multi-level trigger schemes: each telescope derives a local
trigger by identifying local and simultaneous concentrations of Cherenkov light in the camera. This is
achieved either by thresholding pixel signals and searching for coincidences in neighbouring pixels, or by
summing the signals from groups of pixels and comparing the sum to a threshold. For events passing the
telescope trigger, images are buffered locally within a telescope, and a message is sent to a global array
trigger (implemented in software). Only in case of a multi-telescope coincidence, telescopes are requested to
transmit the event information. This scheme allows lower telescope trigger thresholds, that would otherwise
saturate the telescope readout if all events with a local trigger were stored.

3.3 Monitoring and calibration

Compared to IACTs such as H.E.S.S., MAGIC or VERITAS, CTAO aims to provide significantly reduced
systematic errors on the measured gamma ray fluxes and source locations. In particular, the systematic
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error on the overall energy scale is specified to less than 10%, and effective areas should be known to better
than 5%. Source localisation should be possible with systematic errors of less than 3 arc-sec, above few
hundreds of GeV and under favourable environmental conditions. These requirements, as well as the required
high availability of telescopes, imply efficient monitoring and calibration of both telescope parameters and
atmospheric parameters [32].

Local muons generating ring images provide a ‘calibrated’ light source that can be used for continuous
calibration of telescope response and for flat-fielding of cameras, during science operations. The relative
response of pixels can be monitored within 3% (MST, LST) on 20-minute time scales, the absolute response
with 4% (MST, LST) to 5% (SST), and the relative optical throughput within 1% (MST, LST) to 5% (SST),
on minute time scales [33]. From the width of muon rings, the point spread function of the telescopes can
be monitored. Camera triggers are set up to accept and transmit local muon images, without requiring a
coincidence of multiple telescopes as required for air shower images. One limitation on this method is that
the Cherenkov spectrum of local muons differs from the (partly-absorbed) Cherenkov spectrum of air shower
particles; the Cherenkov emission from air showers detected by different telescopes provides an additional
tool to cross-calibrate the response of telescopes and to trace possible systematics. All these techniques
have the advantage that they come ‘for free’ as part of normal data taking. They are complemented by
special calibration light sources, in particular by flat-fielding light sources on each telescope, and absolutely
calibrated light sources – the Illuminators – that can illuminate individual telescopes with known light
intensity.

Atmospheric characteristics influence the Cherenkov light yield from shower particles and need to be
monitored; this concerns molecular density profiles, molecular absorption and aerosol extinction. Raman
LIDARs at both sites will serve to characterise both ground-level aerosols and the vertical structure of
higher altitude aerosols and clouds. Requirements include the ability to characterise aerosol extinction at
two wavelengths to distances of 30 km with an accuracy better than 5%, within time scales of about a
minute. Corresponding LIDAR systems operating at laser wavelengths of 335 nm, 532 nm and 1064 nm were
developed and successfully tested; incoming light is analysed at two elastic (355 nm, 532 nm) and two Ra-
man (387 nm, 607 nm) wavelengths. The LIDARs will be accompanied by wide-angle optical telescopes, the
FRAMs, designed to produce atmospheric extinction maps of starlight, through various optical filters with
high angular resolution, yet covering a large field of view. Maps of integral atmospheric optical depth are
continuously produced during observations. Interlaced Raman LIDAR measurements serve to provide the
vertical structure of optical depth. Atmospheric density profiles will be calibrated using radiosonde measure-
ments, but will largely rely on atmospheric profile prediction by global atmospheric data assimilation models
(GDAS), or by the European Center Mid-term Weather Forecast (ECMWF) . For details and references,
see e.g. [34, 35].

3.4 Sites

The activities to search for sites for CTA started in 2008. Steps included the identification and characterisa-
tion of promising sites, resulting in a short list of sites for the final selection. A formal call for proposals for
CTA sites was launched in November 2011. Results of the site evaluation were summarised in the October
2013 Site Selection Summary report 3, that provided the basis for the site recommendations by the CTA
Consortium and by the Site Selection Committee (SSC) appointed by the CTA Resource Board (RB).

Requirements for candidate sites included a latitude between 20◦ and 40◦ for the Northern array, and
between −20◦ and −40◦ for the Southern array; an elevation between 1500 to 3800 m asl; a sufficiently
large and flat area for deployment of the arrays (O(5 km2) for the Southern site); criteria on ambient
conditions such as temperature range, temperature gradient, precipitation, average wind speeds; at least 70%
of completely cloud-free nights; limits on night sky brightness reflecting ambient light levels, and restrictions
regarding events that could damage the facility, such as earthquakes, hail or extreme wind speeds.

Nine sites were investigated in detail. The five southern hemisphere locations included two sites in
Namibia (Aar and H.E.S.S.), a site on the ESO Paranal area in Chile, and two sites in Argentina (Leoncito
and San Antonio de los Cobres - SAC). The four northern hemisphere locations were in Arizona/USA
(Yavapai and Meteor Crater), on the Canary Island of Teneriffe (Teide), and in Mexico (San Pedro Martir).
The Teide site was later replaced by the Roque de los Muchachos site on the nearby island La Palma,
providing better protection from light pollution. The final ESO Paranal site was moved south by about
10 km compared to the initially considered location, primarily to avoid interference with ELT construction
but also to increase the distance to ELT’s laser guide beams.

The criteria considered for the scientific site ranking were science performance, which depends on the
average annual observation time (AAOT) available and on the performance of the array per unit time at a
given site, as well as costs and risks. The main factor influencing the AAOT is the fraction of cloud free night
hours, but losses due to environmental conditions – such as high winds – are also significant for some sites.
Data sources to derive AAOT included dedicated ground instrumentation – the Atmoscopes [36] monitoring
weather, night sky brightness, sky temperature as an indicator of clouds, and providing all-sky cameras
to determine cloud coverage. Since these own measurements typically covered only one year, data were
combined with long-term (typically one decade) satellite data on cloud coverage and data from long-term
(one decade) weather and cloud modelling, and long-term local measurements, where available. The resulting

3CTA internal, unpublished
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cloud-free fraction ranged between 71% and 89%, for the different sites. For a fixed array configuration,
the performance per unit observation time depends on site altitude, geomagnetic field, characteristic aerosol
optical depth and night sky background level. Simulations [15] identified altitude and geomagnetic field as
the primary drivers of science performance. Fig. 13 illustrates how performance depends on geomagnetic
field and site altitude. Basically, each µT in geomagnetic field perpendicular to the shower axis costs 1% in
sensitivity, since shower particles are spread out. The dependence of spectrum-averaged sensitivity (PPUT)
on site altitude is less than initially assumed, with constant sensitivity up to 2000 m and a mild degradation
beyond; higher sites provide improved low-energy performance but degraded performance at the high end
of CTA’s energy range; the two effects tend to compensate in the spectrum-averaged sensitivity.
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Figure 13: Left: Dependence of spectrum-averaged flux sensitivity on the perpendicular
component of the geomagnetic field. Right: Dependence on site altitude, after correcting
for effects due to geomagnetic field. The spectrum-averaged flux sensitivity PPUT represents
the geometric average of the differential sensitivity in 0.2-decade energy bands. From [15].

The estimates for the average annual observing time ranged from 1141 h to 1293 h for the Southern sites,
and from 993 h to 1114 h for the Northern sites. To compare sites, a figure of merit was defined combining
the average annual observing time with the performance per unit time. Resulting figures of merit ranged
from 1.18 to 1.60 for the southern sites, with highest values for the sites in Namibia and Chile. For the
Northern sites, figures of merit between 1.33 to 1.38 proved identical for all sites, within the errors of the
estimates. The Site Selection Summary report also provided estimates for the cost of site infrastructure and
the operating cost, as well as an evaluation of risks.

On the basis of the recommendations by the CTA Consortium and the Site Selection Committee, and
taking into account other factors including resource considerations, the CTA Resource Board decided in
July 2015 to enter into detailed contract negotiations for hosting the CTAO Southern array on the European
Southern Observatory (ESO) Paranal grounds in Chile and the Northern array at the Instituto de Astrofisica
de Canarias (IAC), Roque de los Muchachos Observatory on La Palma, Spain. Sites in Namibia and Mexico
were kept as viable alternatives. In September 2016, the CTAO Council concluded negotiations with IAC
to host the Northern array on La Palma (at 28◦45′ N, 17◦53′ W, ≈ 2200 m asl.). The final agreement to
host CTAO Southern array in Chile (at 24◦41′ S, 70◦18′ W, ≈ 2100 m asl. ) were signed in December 2018,
after complex negotiations between CTAO, ESO and Chile. Fig. 14 shows views of the array sites.

Figure 14: Left: Aerial view of the southern array site, also indicating the locations of the
ESO Paranal and ELT telescopes (2018). Credit: Marc-André Besel, CTAO / ESO. Right:
view of the northern array site on the Roque de los Muchachos Observatory, showing the
first LST telescope as well as the two MAGIC telescopes (2018). Credit: Akira Okumura.
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3.5 The alpha configuration

In early 2016, it became evident that the anticipated resources for the construction of the CTA would not
cover the proposed 118-telescope arrays (later referred to as the ‘omega configuration’). The CTAO Council
asked the CTA Consortium ‘to deliver a plan how CTA can be constructed in a staged approach, in order
to start construction as soon as possible’, with a cost of the first stage of about 60% of the full cost. An
extensive discussion took place if a uniform degradation across all energy ranges for both arrays is preferred
for the first stage of CTA, or if one should better aim to achieve – within the financial constraints – optimum
sensitivity in certain site-specific energy ranges, the two sites complementing each other. After a detailed
study of configurations and science cases, a scenario was proposed where sites temporarily specialise: the
northern site with 4 LSTs and 5 MSTs provides a focus on low-energy performance and hence on extragalactic
science, whereas the southern site with 15 MSTs and 50 SSTs focuses on the TeV and multi-TeV energy
domain and on galactic science. It was emphasised that the priority for subsequent implementation steps
should be to provide LSTs for the south, and to add further MSTs in the north, creating viable coverage of
the TeV energy domain.

In 2021, towards submission of the application for the CTAO ERIC, and on the basis of a revised detailed
cost estimate (‘CTAO Cost Book’), the starting configuration was fine-tuned, providing a matrix of in-kind
contributions relating country contributions to observatory components, in particular telescopes but also
calibration systems, software, or infrastructure elements. This resulted in the ‘alpha configuration’ of CTA,
with 4 LSTs and 9 MSTs in the north, and 14 MSTs and 37 SSTs in the south. This configuration already
includes the desired enhancement in the number of MSTs in the north, from 5 to 9. Reflecting constraints
in production capacity and funding, the northern MSTs will use NectarCAM cameras, whereas the southern
MSTs will employ FlashCam cameras; the two camera types provide nearly identical performance, and
have compatible interfaces. Anticipating the addition of LSTs in the south, the southern infrastructure will
include excavations for LST foundations, to avoid later excavation works and related dust at the centre of
the array.

For the ‘alpha configuration’, Fig. 15 shows the arrangement of the telescopes of the Northern array, and
Fig. 16 the preliminary layout of the Southern array.

Figure 15: Arrangement of the 4 LSTs and 9 MSTs of the ‘alpha configuration’ on the
Northern array site. Also indicated are the positions of monitoring instruments, and of the
two MAGIC telescopes. Credit: CTAO.

The performance of the ‘alpha configuration’ arrays is discussed in detail in section 5.1; remarkably,
the on-axis sensitivity of the arrays meets or even exceeds the sensitivity requirements, except for energies
below 50 GeV in the south, reflecting the missing LSTs. This is due to more detailed simulation of telescope
performance, due to improved reconstruction algorithms, but also due to a certain safety margin in the initial
sensitivity requirements. Current simulations do not take into account the availability of telescopes (about
98%), degradation of mirror reflectivity over time etc., so the long-term average performance is expected to
be up to 20% worse than predicted by the simulations.

In 2022, additional funding became available for the construction of 2-3 LSTs and 5 additional SSTs
that could define the first enhancement of CTAO Southern array, restoring performance to near design
specifications even for the sub-100 GeV domain.

4 CTA Observatory

Contrary to instruments such as H.E.S.S., MAGIC or VERITAS, that are operated by collaborations and
that are not, or only to limited extent, open to external users, CTAO will be the first truly open VHE
observatory, providing accessible data products and support services to a wide community.
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Figure 16: Top: Layout of the 14 MSTs and 37 SSTs of the ‘alpha configuration’ Southern
array, and of the LST foundations. Bottom: Artists view of the central region of the southern
site, including LST and SCT telescopes of enhancement stages. Credit: CTAO.
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This description of the CTA Observatory and the services it offers is largely based on the Scientific &
Technical Description of the observatory, which serves as auxiliary document to the CTAO ERIC statutes,
and on the statutes themselves.

4.1 Architecture and data flow

Fig. 17 illustrates the observatory workflow. Observations are executed in queue mode; presence of guest
observers at the array sites is not required. In proposals responding to Announcements of Opportunity
(AO), observatory users specify targets as well as specific conditions e.g. regarding array configuration,
atmospheric or environmental conditions, or time windows or Target of Opportunity (ToO) conditions for
the execution of observations. Users can request the full telescope arrays, or subsystems such as the LST
telescopes, or the SST telescopes, in case coverage of the full energy range is not required. Subsystems of
few MST telescopes can e.g. be used for monitoring of variable sources, in parallel with other observations.

Proposals are reviewed by a Time Allocation Committee (TAC), and a long-term schedule is created based
on a ranked list. Based on the long-term schedule, observations are dynamically scheduled, accounting for
the relative priority of proposals, specific observing conditions and sky conditions, and availability of the
telescopes. A first on-site data processing serves for data quality control as well as monitoring of variable
sources. Data are then transferred to the off-site bulk data archive, processed, and – via the science archive
– made available to the user. In more detail, the following observatory software systems are involved:

Array Control and Data Acquisition System (ACADA): the supervisory control and data acquisi-
tion system of the arrays. It will also perform the dynamic scheduling, the monitoring of the array
performance, as well as the automatic generation of science alerts.

Data Processing and Preservation System (DDPS): a software system responsible for reducing the
raw data (Data Level 0 and 1) and producing low-level data products appropriate for science analysis;
the reconstructed air showers comprise Data Level 2. The data processing and reconstruction pipeline
is Python-based [37]. DPPS also includes the production of simulated data, (re)processing and long-
term preservation of data products, as well as data transfer from the site to the off-site computing
centres.

Science & Technical Operation Support Systems (SOSS): a collection of software systems support-
ing the CTA Observatory operations, including, for instance, configuration management, issue tracking,
and maintenance planning.

Science User Support System (SUSS): a software system providing for the user the point of access to
the observatory for proposal submission, user support, and retrieval of high-level CTAO science data
products and of the CTAO science analysis tools. SUSS provides support for proposal evaluation, for
generation of the observation schedule, and for user support.

Users are provided fully-calibrated event-level (Data Level 3) information in FITS format, containing the
reconstructed directions and energies for gamma-ray candidates, as well as the appropriate instrument
response functions required to derive sky maps, gamma-ray spectra and light curves. Targets for the quality
of calibration for user data products include knowledge of the gamma-ray energy scale within 10% systematic
error, and of the effective gamma-ray detection area within 5%. Fig. 18 illustrates the different systems
behind the observatory’s science operations, and their interaction.

Open source tools are provided for user data analysis. Two science analysis packages were developed as
prototypes of the CTAO science analysis tools: ctools [38] and gammapy [39]; the latter has been chosen by
the observatory. CTAO will also provide higher-level data products, such as sky maps and source catalogs
(Data Levels 4 and 5) to guarantee a quick-look exploration of the data. The observatory will also release
a small set of archived raw data (Data Level 0) and their subsequent data levels to allow testing of analysis
algorithms. Access to larger data sets at raw/calibration data level is conditioned to the approval of a
development proposal where the access must be well justified.

An important aspect for time-domain astronomy is the ability to react to external alerts, and to issue
alerts. With its dynamic scheduling of observations, CTAO will be able to react and start observations
within 30 s from an incoming alert, assuming a corresponding ToO proposal. On a similar time scale, thanks
to its real-time data analysis, CTAO will be able to issue alerts about gamma-ray sources; the sensitivity of
the real-time analysis is, however, a factor two reduced compared to the sensitivity of the final processing
happening in the off-site datacenters.

4.2 Observatory organization and access to the observatory

A detailed description of the organisation of, and access to CTAO is beyond the scope of this document, but
the main aspects – at the time of this writing still subject to formal approval by the European Commission
– are summarised in the following (see also Fig. 17).

CTAO will have the legal form of a European Research Infrastructure Consortium (ERIC); Members of
the ERIC are countries, usually represented by ministries or research organisations. ERIC regulations allow
membership of countries that are not members of the EU; in addition, the status of a ‘Strategic Partner’ is
foreseen, with similar rights and duties as ERIC Members. ERIC statutes provide an Observer status, and
allow agreements with third parties.
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Figure 17: Schematic representation of the observatory architecture, illustrating the flow
and processing of data and information, the interaction with the outside world, and the
observatory governance. Credit: CTAO.

Figure 18: Flow of processes in CTAO’s science operations, from proposal submission to
execution of observations, data processing, and data delivery to the user. Credit: CTAO.
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The CTA Observatory ERIC is governed by a Council composed of up to two delegates from each member;
voting rights in Council relate to a member’s contributions to CTA construction. The Council appoints the
Director General who will carry out the day-to-day management of CTAO. The Director General is in
particular responsible for the allocation of observing time by organising and managing a peer review process
during which scientific excellence and feasibility of proposals are evaluated. Council is supported by an
Administrative and Finance Committee (AFC) and a Scientific and Technical Advisory Committee (STAC).

The CTAO ERIC will be a distributed facility with statutory seat in Bologna, a Science Data Man-
agement Center (SDMC) located in Zeuthen, Germany and the two arrays: the Northern array located at
the Observatorio del Roque de Los Muchachos in La Palma, Spain, and the Southern array situated at the
La Silla Paranal Observatory in Chile. The final data processing and the long-term data storage will be
distributed over computing centres in four countries.

CTAO observing time is classified into Open Time, Key Science Project (KSP) Time, observing time that
arises from contractual obligations of the CTAO ERIC with the host countries / organisations – the Host
Guaranteed Time (HGT) – and the Director’s Discretionary Time (DDT) (outer ring in Fig. 19). KSP time
consists of Guaranteed Time Observations (GTOs) granted as reward for the in-kind and cash contributions
to the CTAO construction by the CTAO ERIC Members, Strategic Partners, Observers and Third Parties.
Host Guaranteed Time corresponds to 20-25% of the total observing time of the two CTAO arrays. The
bulk of CTAO’s observing time is aimed at researchers from countries/organizations that are CTAO ERIC
Members, Strategic Partners, Observers and Third Parties. Only a small fraction of the total observing time
is granted to scientists independently from their country of affiliation: DDT plus a small fraction of the open
time, about 5% of the total observing time (outer ring in Fig. 19). The definitive sharing will be decided
by the ERIC Council and may be adjusted over time.

Observing time can be requested through science proposals that will be evaluated only on their scientific
merit, and technical feasibility by the CTAO TAC. The planned types of science proposals are:

Standard Proposals: science proposals with a specific science goals, responding to Announcement of
Opportunity calls and evaluated by the CTAO TAC. They can request observations to be carried out
in response to external or internal triggers, i.e. Target of Opportunity (ToO) observations. They are
used to request open time, including the ICOT and most of the HGT.

Key Science Projects (KSP): usually large and long science proposals requesting more than hundreds of
hours over several observing periods that have the potential to lead to a major advance or breakthrough
in the field of study for CTA and that will produce legacy data sets and data products to be publicly
available through the CTAO science portal. KSP proposals can request KSP time and are reviewed by
the TAC.

Director General’s Discretionary Time (DDT) proposals: scientifically outstanding proposals not
subjected to the standard time allocation process. Their execution is time critical and/or offers the
possibility of anticipating important discoveries which may be missed if subjected to the time delay
introduced by the standard allocation process.

Figure 19: An example of the sharing of the categories of observing time - integrated over
the first 10 years of operation, including Host Guaranteed Time arising from contractual
obligations of CTAO ERIC. DDT stands for Director’s Discretionary Time, KSP time is
used for Key Science Projects. ‘Int’ denotes time available to international users outside the
CTAO ERIC Members, Strategic Partners, Observers and Third Parties. The exact annual
profile of observing time remains to be decided by the CTAO ERIC Council.

Access to all CTAO science data products and the required supporting information will be publicly
available, after a proprietary period of (typically) 12 months. CTAO data policy will recognise the FAIR
principles (findability, accessibility, interoperability, and reusability).
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5 CTA science performance and key science

5.1 Instrument performance

At the moment of this writing, the starting array configuration is not frozen. The ‘alpha configuration’ is
defined in the ERIC documentation and is funded. Additional funding in 2022 will allow to enhance the
‘alpha configuration’ already in the construction phase with the addition of 2 LSTs and 5 more SSTs at the
Southern array.

The instrument performance of CTA in its ‘alpha configuration’ is summarised in Figs. 20 to 23. Fig. 20
and Fig. 21 show the differential sensitivity per 0.2 decade energy band, for the Northern and Southern
arrays. The improved sensitivity of the Southern array at TeV energies reflects the larger number of MSTs,
at high energies the sensitivity is dominated by the SSTs. Apart from energies below 50 GeV for the
Southern array and at the highest energies where sensitivity is affected by the reduced number of telescopes,
the ‘alpha configuration’ basically meets the CTA sensitivity targets (red lines in Fig. 21).

Fig. 21 compares the sensitivity of CTA with that of H.E.S.S., MAGIC and VERITAS, and of the air
shower arrays HAWC and LHAASO, as well as Fermi-LAT. Compared to these IACTs with peak sensitivities
in the 10−12 erg/s cm2 domain, CTA opens the 10−13 erg/s cm2 domain. At energies beyond some 10 TeV,
air shower arrays and in particular LHAASO provide superior performance for steady sources (comparing
1 year of LHAASO observations with 50 h of CTA data), but CTA is complementary in that it provides
significantly better angular resolution, relevant for resolving structures such as observed e.g. in the PeVatron
candidate HESS J1702-420, where a compact region provides a hard spectrum, surrounded by a soft spectrum
region [40].

Figure 20: CTA flux sensitivity for the Northern and Southern arrays, on axis, for 50 h
observing time.

Figure 21: CTA flux sensitivity for the Northern (top) and Southern (bottom) arrays, on
axis, for 50 h observation time, including the sensitivity of other gamma-ray instruments.
The red line indicates the sensitivity requirement.

Below about 70 GeV, Fermi-LAT sensitivity shown in Fig. 21 surpasses CTA sensitivity. This is, however,
somewhat misleading since Fermi-LAT sensitivity refers to about a decade of LAT data whereas CTA
sensitivity refers to 50 h. The sensitivity for flaring sources, with flare time scales between 10 s and 104 s,
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is compared in Fig. 22. Even at energies as low as 25 GeV, CTA improves upon Fermi-LAT by a factor of
104 or more; at higher energies (250 GeV) and very short times the advantage grows to 106, very relevant
for time-domain gamma-ray astronomy.

Figure 22: Comparison of CTA and Fermi-LAT sensitivity at 25, 40, 75, 100 and 250 GeV,
as a function of observation time.

Fig. 23 (left) finally illustrates the angular resolution as a function or energy, saturating at about 2
arc-min at high energy, well below the angular resolution achieved by air shower arrays. The gamma-ray
field of view of the CTAO arrays, defined as twice the angular offset from the array pointing direction at
which the differential point-source sensitivity is degraded by a factor of two, is illustrated in Fig. 23 (right).
The flux sensitivity is rather constant up to 2.5◦ from the optical axis; at high energies, the effective field of
view grows significantly.

Figure 23: Left: Angular resolution of the CTA Northern and Southern arrays, compared
with other gamma-ray instruments. Right: sensitivity as a function of angle from the
pointing direction, for the Southern array and different energies.

5.2 Key Science Projects

Comprehensively addressing the science themes introduced in Section 1 requires large and coherent data
sets, including sky surveys for a census of cosmic accelerators, deep observations of key objects, long-term
observations of variable sources, and rapid follow-up of transient phenomena. The CTA Key Science Projects
(KSPs) aim at providing such legacy data sets and data products, that will be of high value to the wider
community. Options for CTA KSPs has been defined through a multi-year process of discussion within the
CTA Consortium and in interaction with the community. These are ambitious projects with very significant
scientific promise, frequently challenging in their data analysis, and requiring considerable observation time.
It is assumed that about 40% of the total available observing time integrated over 10 yr (see Fig. 19) will be
granted to KSPs, i.e. the KSP Time. KSP proposals will be peer-reviewed by the CTAO’s Time Allocation
Committee.

A possible set of KSPs are described in detail in [8], to which the following discussion refers. Proposed
KSPs include the following surveys:

• The Galactic Plane Survey will provide a valuable legacy product to the entire astronomical community
– the first sensitive VHE scan of the entire Galactic plane, with uniform coverage down to mCrab
sensitivity, described in Section 5.3.1.

• The Galactic Centre KSP contains a deep exposure of the inner few degrees of our Galaxy, comple-
mented by an extended survey to explore the regions to the edge of the bulge. In addition to the most
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promising Dark Matter target, the region within a few degrees of the Galactic Centre contains a wide
variety of possible high-energy emitters, including the closest supermassive black hole, dense molecular
clouds, strong star-forming activity, multiple supernova remnants and pulsar wind nebulae, arc-like
radio structures, and the base of the Fermi bubbles.

• The Survey of the Large Magellanic Cloud as a very active star-forming galaxy provides data towards
population studies on supernova remnants and pulsar wind nebulae, transport of cosmic rays from
their release into the interstellar medium to their escape from the system, and the search for signatures
of dark matter annihilation. The LMC with its high star formation rate hosts extraordinary objects,
including the starforming region 30 Doradus, the super star cluster R136, the supernova SN1987A, and
the 30 Dor C superbubble.

• The Extragalactic Survey is proposed to cover 25% of the sky. The survey is unique in that it opens a
new window for the search of extragalactic sources as well as it being the first attempt for a complete
log N - log S study of close-by blazars in VHE gamma rays.

KSPs could also address deep and/or long-term monitoring observations of key objects. Topics for such
KSPs are discussed in [8], and include:

• The Cosmic Ray PeVatrons KSP aims at identifying sources of PeV hadronic cosmic rays, by deep
follow-up of candidate sources that do not exhibit cutoffs in their energy spectra, and by using CTA’s
excellent angular resolution to investigate source morphology and probe emission mechanisms.

• The Star Forming Systems KSP: Cosmic rays are believed to be an important regulator of the star-
formation process. The KSP aims to relate star formation and gamma ray / cosmic ray production
across a wide range of scales, from Galactic star formation regions to starburst galaxies and ultra-
luminous infrared galaxies.

• The Transients KSP exploits CTA’s unique sensitivity for transient phenomena and short-timescale
variability (see Fig. 22) to follow up on gamma-ray bursts; galactic transients; X-ray, optical and radio
transients detected by “transient factory” facilities; high-energy neutrino transients; gravitational wave
transients; and serendipitous VHE transients.

• The Active Galactic Nuclei KSP probes the nature of AGN jets, the mechanisms that accelerate
particles, and the origin of the rapid variability of gamma-ray AGN. The AGN KSP aims to provide a
comprehensive data set by long-term monitoring of the variability of selected AGN of different classes,
see Section 5.3.2.

• The Clusters of Galaxies KSP: galaxy clusters represent the latest stage of structure formation, and
are expected to be reservoirs of cosmic rays accelerated by structure formation processes, galaxies and
active galactic nuclei. Goal of the KSP is to detect, for the first time, diffuse gamma-ray emission from
a cluster of galaxies, and to study the clusters’ cosmic-ray acceleration, propagation and confinement
properties.

The Dark Matter Programme, aiming to detect annihilation radiation from massive Dark Matter particles,
with its characteristic spectral and spatial features, is based on data sets collected in KSPs; relevant targets
are the Galactic Center, but also dwarf galaxies, the LMC, and clusters of galaxies. CTA’s capabilities are
illustrated below in Section 5.3.4.

As illustrated by the Dark Matter Programme, the discussed KSPs consist of sets of observations ad-
dressing multiple science questions within the CTA themes, as shown in the matrix of CTA science questions
and Key Science Projects described in [8] (Fig. 24). For example, data from the AGN KSP also enable mea-
surements of the Extragalactic Background Light through the detection of spectral features of astrophysical
sources placed at cosmological distance (see Section 5.3.3), as well as the estimation of the intergalactic
magnetic field.

Of course, KSPs are not static; they will be updated, both when formally proposed to CTAO and
likely also during their multi-year execution, reflecting (i) the evolution of the field in general, (ii) the
improved understanding of CTA’s capabilities, (iii) the capabilities and results from other multi-wavelength
and multi-messenger facilities. Most KSPs rely on extensive data from such other facilities (see e.g. [41]),
for target selection and Target of Opportunity (ToO) alerts, as well as for characterisation of the objects
and determination of their wide-band spectral energy distributions.

5.3 Science Performance – selected topics

CTA science capabilities are illustrated here for few selected examples, based on [8] and on in-depth follow-up
studies such as [42, 43].

5.3.1 Surveying the Galactic Plane

Surveys provide the basis both for studies of ensembles of sources, and for identification of interesting targets
for deeper follow-up observations. Here, the Galactic plane survey is presented in more detail. Surveys in the
TeV domain by Cherenkov telescopes such as H.E.S.S. or ground-based arrays such as HAWC reach point-
source sensitivities approaching 1% of the Crab flux, and have revealed about 100 sources in the Galactic
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Figure 24: Matrix of CTA science questions and proposed Key Science Projects (KSPs).
KSPs which contribute to the programme aimed at dark matter detection are indicated in
green. The check marks are intended to give a qualitative assessment of the impact of each
KSP on a particular science question. From [8].

plane. None of the individual surveys covers the whole Galactic plane in a uniform fashion. The goal of
CTA is to survey the whole Galactic plane at a sensitivity approaching the milli-Crab level. The proposed
survey would require a total of 1620 hours split between the northern and southern arrays, to be carried out
over several observing periods. A thorough study showed that a non-equilateral double row pattern with
steps in longitude of 2.25◦, spaced in latitude by 1.95◦, provides the pointing grid with the best sensitivity
in the Galactic plane, up to 4◦ in latitude. Detailed simulations of the survey were carried out [44], using a
very elaborate source model matched to existing data. Fig. 25 illustrates a simulated survey, showing the
gamma-ray excess counts above background. About 500 sources are detected, as also shown in Fig. 26 (left),
where the cumulative number of simulated sources is shown as a function of flux, levelling off at about 100
sources for the ≈ 10−12 cm−2s−1 sensitivity of current surveys, and reaching about 5 times that number for
the CTAO target sensitivity. In particular, CTA is able to detect objects like Pulsar Wind Nebulae (PWN)
and Supernova Remnants (SNRs) across the full Galaxy, important for proper population synthesis (Fig.
26 (right)). The Galactic plane survey and the resulting source catalogs will be among the key CTAO data
products.

Figure 25: Simulated excess counts above background for the CTA Galactic Plane Survey,
in the energy range 0.07 - 200 TeV. From [44]

5.3.2 Understanding Active Galactic Nuclei

About half of the known VHE gamma-ray sources are Active Galactic Nuclei, where a pair of counter-
propagating relativistic jets is launched in the vicinity of a supermassive black hole (SMBH). Some of these
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Figure 26: Left: Cumulative number of sources as a function of source flux, showing known
emitters and the synthetic source populations from the sky model for different source classes.
The vertical band shows the target sensitivity for the CTA survey. Right: The synthetic
PWN population and corresponding detections. From [44].

sources show extreme variability, on time scales much shorter than the light-crossing time of the SMBH.
The exact mechanism of jet launching, the connection between jets and accretion onto the black hole, the
composition of the jets, the mechanisms of particle acceleration in the jets, and the origins of the variability
of gamma-ray emission are not fully understood. Phenomenological models postulate particle acceleration
within a uniform region in the jet (a “blob” of certain size), where gamma rays are produced in interactions
of accelerated particles either with self-generated (synchrotron) photon fields, or external fields. High-quality
gamma-ray spectra obtained for different AGN classes (UHBL, HBL, IBL, LBL, FSRQs, and radio galaxies)
will help to pin down the nature of the emitting particles, and their spectra (see Fig. 27 for an example).
About 500 h of observations are proposed to provide legacy data sets. AGN variability is probed by a
combination of unbiased long-term monitoring of key objects representative of AGN classes, requiring close
to 180 h per year, and the follow-up of flaring AGN, see Fig. 28 for an examples of CTA’s capability of
resolving AGN flares. CTA data taking should be supported by observations at other wavelengths, to obtain
high-quality wide-band simultaneous SEDs of AGNs. The AGN data will also be used to probe photon
propagation, with possible effects due to quantum gravity or coupling to axions, and will allow probing the
density of extragalactic background light (EBL, see Section 5.3.3) and the level of intergalactic magnetic
fields (see [8, 42] for details).

Figure 27: A comparison of the expected CTA spectra for two specific (simple) emission
models for the blazar PKS2155-304. A hadronic scenario, where high-energy emission is
caused by proton- and muon-synchrotron photons and secondary emission from proton-
photon interactions, is shown on the left, and a standard leptonic synchrotron self-Compton
(SSC) model on the right. The exposure time assumed for the simulations (33h) is the same
as the live time for the H.E.S.S. observations (black data points above 3 · 1025 Hz). The
statistical uncertainties in the CTA data points are smaller than the red squares. From [8].
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Figure 28: Simulated light curve based on an extrapolation of the power spectrum of the
2006 flare from PKS 2155-304. The doubling rise time and decay time are indicated for the
second peak in insert. From [8].

5.3.3 Measurement of the EBL intensity

The universe is not fully transparent for gamma rays; pair production on the CMB and on infrared and
visible photon fields limits the range of gamma rays. The threshold for pair production is approximately
Eγ [TeV] ≈ 1/ET [eV] where ET is the characteristic energy of the target photons. While severely limiting
gamma-ray escape from radiation-intense environments, the attenuation of gamma rays travelling through
intergalactic space allows probing the level of extragalactic background light (EBL), which is difficult from
the Earth due to solar-system foregrounds. The level of EBL is a very interesting cosmological quantity,
since it reflects the (red-shifted) light from all stars since the birth of the Universe. AGNs at cosmological
distances are used as reference sources. To identify the threshold and level of attenuation, a model for the
intrinsic spectra of sources is required, usually based on the extrapolation from lower (GeV) energies where
attenuation is negligible, and on characteristics from nearby sources. Fig. 29 illustrates the precision that
can be reached with CTA in determining the redshift evolution of the EBL up to redshifts of 2 [42]. Vice
versa, for a known EBL level, the data can be used to measure source distance, and in particular to constrain
the Hubble constant.
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Figure 29: Projected CTA constraints on the EBL scale factor (relative to a nominal EBL)
as a function of redshift of the gamma-ray sources. The median reconstructed scale factor
and the 16–84% quantiles of the distribution in each redshift bin are shown as orange stars
and error bars (also dark blue shaded regions), respectively. The accumulated effect of
statistical uncertainties and systematic uncertainties resulting from changes in the energy
scale and effective area are illustrated with the light blue shaded regions. From [42].

5.3.4 Search for Dark Matter annihilation

An important aspect of the CTA science programme concerns fundamental physics, addressing questions like
(a) what is the nature of dark matter, (b) are there quantum gravitational effects on photon propagation,
or (c) do axion-like particles exist? Here, the focus is on one of these topics, the search for WIMP-like dark
matter annihilating into standard model particles. Dark matter annihilation rates are proportional to the
square of the dark matter density, hence objects with peaks in dark matter density are suitable to search
for annihilation signatures. Among galaxy clusters, dwarf or satellite galaxies and the Galactic centre, the
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latter is by far the most promising source, due to its combination of dark matter enhancement and proximity.
Predictions for the annihilation rate evidently scale with the annihilation cross section, but are significantly
dependent on the poorly known dark matter profiles at the centre of our Galaxy. The gamma-ray spectra
from annihilations depend on the annihilation channel (see Fig. 30), but for a given channel are reasonably
well predicted. An expected (velocity-weighted) annihilation cross section of < σv >≈ 2 · 10−26 cm3/s can
be derived from the condition that the right amount of dark matter survives in the early Universe. To
derive the sensitivity of CTA to dark matter annihilation [43], a template likelihood analysis was used to
distinguish the predicted dark matter annihilation gamma-ray flux against the background, in bins of energy
and distance from the Galactic centre. The analysis also considered systematic uncertainties, e.g. due to
uncertainties in instrument response or in the determination of the background. Fig. 31 shows the resulting
upper limits on the annihilation cross section for two different annihilation modes, bb̄ and W+W−, together
with other limits (as of 2021), based on about 800 h of observations of the Galactic centre region. CTA will,
for the first time, probe the predicted annihilation cross section for TeV WIMP mass scales.
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Figure 30: Summary of benchmark DM spectra for various final states, indicated by solid
lines with different colours. Dashed lines show the corresponding spectra obtained with an
alternative event generator. From [43].
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6 Conclusions
4 The Cherenkov Telescope Array, CTA, will be the major global observatory for very high energy gamma-
ray astronomy starting from the late 2020ies, for a decade and beyond. The scientific potential of CTA is
extremely broad: from understanding the role of relativistic cosmic particles to the search for dark matter.
CTA is an explorer of the extreme universe, probing environments from the immediate neighbourhood of
black holes to cosmic voids on the largest scales. Covering a wide range in photon energy from 20 GeV to
300 TeV, CTA will improve on all aspects of performance with respect to current instruments. Wider field
of view and improved sensitivity will enable CTA to survey the gamma-ray sky hundreds of times faster
than previous TeV telescopes. The angular resolution of CTA will approach 1 arc-minute at high energies
— the best resolution of any instrument operating above the X-ray band — allowing detailed imaging of a
large number of gamma- ray sources. A one to two order-of-magnitude collection area improvement makes
CTA a powerful instrument for time-domain astrophysics, three orders of magnitude more sensitive on hour
timescales than Fermi-LAT at 30 GeV. The observatory will operate arrays on sites in both hemispheres
to provide full sky coverage and will hence maximise the potential detection of rare phenomena such as

4Adapted from the Executive Summary of ‘Science with CTA’ [8]
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very nearby supernovae, gamma-ray bursts or gravitational wave transients. With at least 51 telescopes on
the southern site and 13 telescopes on the northern site, flexible operation will be possible, with sub-arrays
available for specific tasks. CTA will have important synergies with many of the new generation of major
astronomical and astroparticle observatories. Multi-wavelength and multi-messenger approaches combining
CTAO data with those from other instruments will lead to a deeper understanding of the broad-band
non-thermal properties of target sources, elucidating the nature, environment, and distance of gamma-ray
emitters.

The CTA Observatory will be operated as an open, proposal-driven observatory, with all data available
on a public archive after a pre-defined proprietary period (of typically one year). Scientists from institu-
tions worldwide have combined together to the CTA Consortium that has prepared a proposal for a core
programme of KSPs [8]. The science cases have been prepared over several years by the CTA Consortium,
with community input gathered via a series of workshops connecting CTA to neighbouring communities.
Well before the observatory formally starts operations, this scientific collaboration will be re-organised, with
governance and membership reflecting the countries’ contributions to the CTAO construction, and will be
preparing, proposing and analysing the KSPs. A major element of the science programme is the search for
dark matter via the annihilation signature of weakly interacting massive particles (WIMPs). The strategy
for dark matter detection places the expected cross-section for a thermal relic within reach of CTA for a
wide range of WIMP masses from ≈200 GeV to 20 TeV. This makes CTA extremely complementary to
other approaches, such as high-energy particle collider and direct-detection experiments. CTA will conduct
a census of particle acceleration over a wide range of astrophysical objects, with quarter-sky extragalactic,
full-plane Galactic and Large Magellanic Cloud surveys planned. Additional KSPs can be focused on tran-
sients, acceleration up to PeV energies in our own Galaxy, active galactic nuclei, star-forming systems on
a wide range of scales, and the Perseus cluster of galaxies. All provide high-level data products which will
benefit a wide community, and together they will provide a long-lasting legacy for CTAO. Finally, while
designed for the detection of gamma rays, CTAO has considerable potential for a range of astrophysics and
astroparticle physics based on charged cosmic-ray observations and the use of its Cherenkov telescopes for
optical measurements.
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Abstract. Massive neutrinos are well-known to cause a characteristic suppression in the
growth of structures at scales below the neutrino free-streaming length. A detailed under-
standing of this suppression is essential in the era of precision cosmology we are entering into,
enabling us to better constrain the total neutrino mass and possibly probe (beyond)-ΛCDM
cosmological model(s). Instead of the usual N-body simulation or Boltzmann solver, in this
article we consider a two-fluid framework at the linear scales, where the neutrino fluid pertur-
bations are coupled to the CDM (+ baryon) fluid via gravity at redshifts of interest. Treating
the neutrino mass fraction fν as a perturbative parameter, we find a fully analytic solution
to the system with redshift-dependent neutrino free-streaming length in ΛCDM background.
The perturbative scale-dependent solution is shown to be in excellent agreement with numer-
ical solution of the two-fluid equations valid to all orders in fν , and also agrees with results
from CLASS to a good accuracy. We further generalize the framework to incorporate different
evolving dark energy backgrounds and found sub-percent level differences in the suppression,
all of which lie within the observational uncertainty of BOSS-like surveys. We also present a
brief discussion on the prospects of the current analysis in the context of upcoming missions.ar
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1 Introduction

The ΛCDM model, consisting of a cosmological constant (Λ) and cold dark matter (CDM), is
widely accepted as the concordance model of cosmology, not only because of the simplicity of
the model but also due to its empirical success [1, 2] so far as major observational data is con-
cerned. In the baseline ΛCDM model, the universe is described by 6 parameters only where
cosmological constant sits in the background and CDM (+ baryons) perturbs as a single fluid
in this background. However, apart from Λ and CDM sectors, there are moderate to strong
evidences of some other cosmic species that may take part in both background evolution and
perturbations at specific eras. This in turn may reflect upon the cosmological parameters,
some of which are degenerate with those representing other cosmic species. For example, as
a simple extension beyond ΛCDM with massive neutrinos, some fundamental parameters like
the Hubble parameter H0 get affected due to possible degeneracies with the effective number
of neutrino species Neff and the total neutrino mass

∑
mν [3]. Although the existence of

massive neutrinos have been proved beyond doubt by neutrino oscillation experiments [4, 5],
it only helps in determining the mass difference between two species. We are yet to figure
out the exact masses of individual neutrino species or the number of sterile neutrinos in the
universe [6]. The above reasons prompt us to think beyond just CDM perturbations and to
find out the effects of neutrino perturbations on CDM sector and hence on cosmological obser-
vations. This may in turn help us have more precise information on forthcoming observations.
On top of that, since for the dark energy (DE) sector, Λ is the simplest choice that has its own
limitations [7], people went beyond the cosmological constant and proposed several dynamical
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DE candidates/parametrizations. The evolution of any such beyond-CDM perturbations in
these different DE backgrounds needs to be studied within proper theoretical frameworks.
This is particularly important in the era of precision cosmology that we are entering into.
With the advancements expected in forthcoming galaxy surveys [8–10] even more accurate
theoretical predictions are necessary. In particular, this will be important in probing the
neutrino properties, their effects on perturbations and any possible information on the back-
ground physics. Theoretical calculations for precise observables like the cosmic microwave
background (CMB) and the matter power spectrum, particularly for massive neutrinos, must
meet stringent requirements. Neutrino masses are constrained by neutrino oscillation [4] and
β-decay experiments [11] to be

∑
mν & 0.06 eV, while CMB measurements [1] and Baryon

Acoustic Oscillation (BAO) data [2] constrain the sum of neutrino masses to
∑
mν . 0.12 eV.

It is expected that these constraints will improve further in the light of future surveys such as
Euclid [8], Gaia [12] and LSST [10] which are aimed at providing more precise measurements
about the recent universe and hence on the impact of massive neutrinos on cosmological struc-
ture formation. So, at this juncture any possible effects of massive neutrinos on cosmological
evolution and perturbations need to be understood as clearly and precisely as possible, that
may further reflect on the upcoming cosmological surveys.

There are several approaches to understand the impact of massive neutrinos on the Large
Scale Structure (LSS) formation of our universe. A robust approach is N-body simulation
[13, 14] but they are rather computationally expensive particularly with massive neutrinos.
Another popular approach is to solve the full Boltzmann hierarchy as implemented in the
numerical code CLASS [15] and subsequently on the MCMC code MontePython [16]. From
both the approaches it is well-established that massive neutrinos suppress the matter power
spectrum because of free-streaming at small scales, while clustering like CDM at large scales.
The approach which will be relevant for our study is to approximate massive neutrinos as a
fluid with an effective sound speed. Such a fluid approximation, besides providing physical
insights into structure formation, has been shown to be in good agreement with other frame-
works [17]. Such agreements have also resulted in mixed approaches combining the Boltzmann
hierarchy and fluid approximation, matched at a certain redshift (z) [18]. In particular, the
fluid approximation plays a crucial role in the computation of physical observables in the
mildly nonlinear regime in Standard Perturbation Theory (SPT) [19, 20], Renormalised Per-
turbation Theory (RPT) [21, 22], Effective Field Theory (EFT) of LSS [23–25], etc. When
considering the impact of massive neutrinos on the growth rate of structures in the universe
[26–28], it is important to account for their scale-dependent behavior due to free-streaming.
Future surveys aim to measure neutrino masses that reach a non-relativistic distribution long
before nonlinear corrections become significant [27]. So, a consistent theoretical framework
for both the linear and mildly nonlinear regimes, incorporating the time and scale dependent
free-streaming behavior of massive neutrinos [18], to be at par with future surveys, is of utmost
priority today. In this article, we investigate a two-fluid setup consisting of CDM and massive
neutrinos, coupled via gravitational interaction, where both the components are perturbing
simultaneously in the expanding background. In this framework, we focus on the linear regime
of structure formation (kNR < k < kNL) where kNR is the neutrino non-relativistic scale and
kNL ∼ 0.1h Mpc−1 is the scale at which nonlinear effects become important. Besides being
analytically tractable, the linear regime provides the kernels that are also useful while address-
ing the mildly nonlinear regime ( see [18, 29, 30] and [31–33] for some recent developments ).
Moreover, adding non-gravitational neutrino interaction with dark matter in such a linearized
fluid model framework is also an area of exciting phenomenology [34, 35].

– 2 –



Let us mention some of the salient features of our analysis. The essence of the two-
fluid framework explored in this paper is to couple the neutrino fluid perturbations with the
perturbations of CDM (+ baryon) fluid via gravitational interactions. This is significantly
different from the single fluid framework [36] in which only the CDM sector is perturbed.
In this two fluid framework, we work with physically realistic time-dependent neutrino free-
streaming length kFS in the same vein as some of the previous works [17, 30, 37]. Observations
suggest that DE starts to dominate at redshift z ∼ 0.4, thus it is also important to incorporate
the effects of various DE backgrounds while analyzing structure formation at late times. To
this end, we perform our study incorporating the effect of Λ/DE in the fluid equations.
In addition, we also extend our two-fluid formalism to more general redshift-dependent DE
backgrounds represented by different parametrizations. Finding a fully analytic solution to
the coupled two-fluid equations including the aforementioned generalizations is somewhat
difficult. However one can still make progress by treating the neutrino mass fraction (fν) as
a small parameter, a strategy that was advocated recently in [38] and has also been followed
in the present work. In this approach, we provide a fully analytic solution for the coupled
two-fluid system in ΛCDM background and compute the resulting suppression in the total
matter and velocity power spectrum. For all the scenarios investigated in this work, we have
compared the analytic results (arising from a perturbative treatment in fν) with numerical
solutions of the two fluid equations (valid to all orders in fν). The results obtained from both
of these approaches are shown to be in agreement with numerical outputs of CLASS [15] with at
least 95% accuracy depending on the neutrino mass fraction. We also ensure that the known
results for matter-only (EDS) universe [38] arise as a limiting case of our analytic solution.
We then employ the above framework to analyze and estimate the suppression in different
DE backgrounds in the two-fluid setup. Finally, we find that suppression of matter power
spectrum in different cosmological backgrounds lies within the 1σ uncertainty of BOSS-like
galaxy survey noise for

∑
mν = 0.12 eV (corresponding fν = 0.009) which is the allowed

upper bound from Planck [1] and BAO data [2]. Thus, we expect that the analysis would be
crucial once the future LSS missions (+ CMB and 21-cm missions) are up and running.

The structure of the paper is as follows. In Section 2, we review the role of massive
neutrinos in structure formation. This is followed by the presentation of the two-fluid equa-
tions with time-dependent free-streaming length of neutrinos in Section 3. Next, in Section
4, we solve the two-fluid equations in presence of Λ in a perturbative framework and compute
the suppression in total matter power spectrum. This is followed by a detailed numerical
study of the power spectrum for different DE backgrounds beyond ΛCDM in Section 5. The
prospects in observations have been discussed in brief in Section 6. Finally, we conclude with
a summary in Section 7 and comment on future directions.

2 Brief review of massive neutrinos in LSS

For the sake of completeness, let us begin with a brief review of some important aspects
of massive neutrinos and their role in cosmology with possible constraints from different
observations. This will help in developing the rest of the article consistently. Details about
neutrino cosmology can be found in some excellent reviews [27, 39]. Solar and Atmospheric
neutrino oscillation experiments [40] constrain the neutrino mass squared differences to be,

∆m2
21 = (7.50+0.18

−0.19)× 10−5 eV2, |∆m2
31| = (2.473+0.042

−0.065)× 10−3 eV2. (2.1)
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Along with that, cosmological constraints on neutrinos primarily come from two observations:
CMB [1] and LSS data [2]. Together they constrain the sum of neutrino masses to be,

0.06 eV .
∑

i

mν,i . 0.12 eV. (2.2)

As far as current observational probes are concerned, cosmological large scale structure
formation is insensitive to the neutrino mass hierarchy [41]. Thus it is sufficient to consider
the effects of sum of neutrino mass with degenerate mass states. Neutrinos contribute as a
radiation component in the early universe while they behave like matter in the late universe.
In the early universe, neutrinos decouple from the primordial plasma when the temperature of
the universe is T ≈ 1 MeV and thereafter free-stream as a massless relic. With the expansion
of the universe the momentum falls as 1/a where a is the scale factor and hence they become
non-relativistic. The comoving energy, εi, of the ith neutrino mass state is related to the
comoving momentum and rest mass of the neutrinos through the relation εi =

√
q2
i + a2m2

ν,i.
In the relativistic limit, the average momentum of the neutrinos can be obtained from Fermi-
Dirac distribution [17, 18, 42] as,

〈p〉 =

∫
d3~p p

[
e(p/Tν) + 1

]−1∫
d3~p

[
e(p/Tν) + 1

]−1 = 3.15 Tν,0(1 + z), (2.3)

where Tν,0 = (4/11)1/3 TCMB is the neutrino temperature at present and TCMB is the CMB
temperature. Therefore the redshift of non-relativistic transition of the ith neutrino mass
state, zT,i, can be obtained from the relation,

1 + zT,i = 1890
(mν,i

1 eV

)
. (2.4)

Once the neutrinos become non-relativistic, the mass density in the neutrino sector can be
obtained from

Ωνh
2 =

∑
imν,i

93.14 eV
. (2.5)

Consequently, the ratio of the neutrino mass density to the total matter density ( Ων
Ωm

) becomes
constant after they are non-relativistic. Throughout this article, we denote this mass ratio
by fν , the realistic bound on which can readily be obtained from (2.2) as,

0.0045 . fν . 0.009. (2.6)

The smallness of the parameter fν allows us to incorporate the effect of neutrinos on the
growth of structure in a perturbative framework, leading to analytic solutions presented in
Section 4.2.

3 Two-fluid perturbation equations and neutrino free-streaming

The equations for the two-fluid model of CDM and massive neutrinos are obtained by tak-
ing moments of the Boltzmann equation with the perturbed phase space distribution func-
tion. When considering the non-relativistic limit, the resulting hierarchy of equations can
be truncated at ` = 1, which results in a set of coupled differential equations that describes
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the evolution of the density contrast δ and velocity divergence θ. This two-fluid treatment
introduces a distinct free-streaming length scale, similar to the Jeans scale, into the fluid
equations due to the presence of massive neutrinos. The validity of the fluid approximation
including massive neutrinos has been extensively studied in [17, 18], and recently in [43]. In
the non-relativistic limit, the coupled fluid equations are given as follows (ignoring vorticity
and nonlinear terms),

δ̇cb + θcb − 3φ̇(k, η) = 0, (3.1)

θ̇cb +Hθcb +
3

2
H2Ωm(η) (fνδν + (1− fν)δcb) = 0, (3.2)

δ̇ν + θν − 3φ̇(k, η) = 0, (3.3)

θ̇ν +Hθν +
3

2
H2Ωm(η) (fνδν + (1− fν)δcb)− k2cs

2δν = 0, (3.4)

where H is the Hubble parameter in terms of conformal time dη ≡ dt/a(t) and the deriva-
tives are also with respect to conformal time. Also, the suffix “cb” represents combined
CDM+baryon, considered as a single fluid in the present analysis and identified as “CDM”
henceforth, and “ν” represents massive neutrinos. φ(k, η) appearing in the above set of equa-
tions is the gravitational potential in Newtonian gauge [17, 44] and is coupled to the total
matter density perturbations via the Poisson equation,

k2φ(k, η) =
3

2
H2(τ) Ωm(η) δm(k, η). (3.5)

where δm(k, η) is the total matter overdensity defined as,

δm(k, η) = fνδν(k, η) + (1− fν) δcb(k, η). (3.6)

Further, the sound speed squared cs2(η) appearing in (3.4) is defined following [17] as,

cs
2(η) ≡ 3

2
Ωm(η)

H2(η)

kFS
2(η)

(3.7)

where (kFS) is the neutrino free-streaming scale . As mentioned, due to large thermal velocities
neutrinos do not cluster on scales smaller than kFS, while on larger scales they behave like
CDM [45]. So one can approximate the sound speed of the neutrino fluid in terms of the
velocity dispersion of the non-relativistic neutrinos [17]. The free-streaming length (kFS) at
sufficiently late time a� aT [38, 46] in this approximation takes the form,

kFS
2(η) = k0

2a(η) (3.8)

where aT is the scale factor at the time of non-relativistic transition and k0 is given by,

k0 =

(
27

10

H2
0 Ωm,0

aT
2

) 1
2

. (3.9)

The maximum free-streaming scale kNR is defined as the free-streaming scale at the time of
transition,

kNR
2 = 2k0

2aT. (3.10)

Having the stage set up, we proceed with our analysis to solve the coupled fluid equations in
ΛCDM universe in the following section.
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4 Coupled CDM-massive neutrino perturbations in ΛCDM background

The coupled two-fluid description of CDM and massive neutrinos [17, 18, 30, 31] is subtle even
at the linear level. This is primarily due to the time-dependent free-streaming length of the
neutrinos [17, 46]. Nevertheless, the evolution of neutrino overdensity and velocity divergence
in matter-only Einstein-de Sitter (EDS) universe has been explored to a considerable extent
in [27, 38]. However, in order to corroborate with observations, one needs to go beyond a
matter-only Universe and develop a consistent framework in background ΛCDM (and possibly,
evolving DE) cosmology. In this section we will mostly focus on ΛCDM background followed
by different evolving DE backgrounds in the subsequent sections.

Specifically, our primary target is to obtain a consistent set of solutions of the coupled
two fluid system following the setup developed in Section 3 considering the Hubble parameter
H appropriate for ΛCDM evolution. Combining Eqs. (3.1)-(3.4) we obtain the following two
coupled second-order differential equations for CDM and neutrino fluids,

δ
′′
cb +

(
1 + H′

H

)
δ
′
cb = 3φ

′′
+ 3

(
1 + H′

H

)
φ
′
+ 3

2Ωm (fνδν + (1− fν)δcb) , (4.1)

δ
′′
ν +

(
1 + H′

H

)
δ
′
ν = 3φ

′′
+ 3

(
1 + H′

H

)
φ
′
+ 3

2Ωm

(
fνδν + (1− fν)δcb −

(
k
kFS

)2
δν

)
(4.2)

where the derivatives are with respect to τ ≡ ln a and Ωm = Ωm(τ) is the fractional matter
density. Since we are primarily interested in an epoch where neutrinos have long become non-
relativistic, we have considered fν to be time independent [17]. However the free-streaming
scale is time-dependent through Eq. (3.8). Note that in ΛCDM background we have,

1 +
H′

H
= 2− 3

2(1 + Λ̃e3τ )
, Ωm(τ) =

1

(1 + Λ̃e3τ )
(4.3)

where Λ̃ =
ΩΛ,0

Ωm,0
where ΩΛ,0 and Ωm,0 are respectively DE and matter density today. We will

further keep in mind, that unlike EDS, Ωm,0 ∼ 0.3 and ΩΛ,0 ∼ 0.7 for ΛCDM.
One can readily identify that the above set of equations can in principle represent both

EDS and ΛCDM universe, for particular values of the parameter Λ̃. However, due to time-
evolution associated with this parameter, the background evolution and hence the above set
of perturbation equations are significantly different from EDS. Our analysis thus extends
the work done in [38] from theoretical perspectives with distinctive features of the realistic
observable universe. As remarked earlier, we will mostly focus on the ΛCDM (and beyond)
case in the subsequent analysis.

4.1 Perturbative expansion in fν

We now engage ourselves in finding a consistent set of solutions to Eqs. (4.1) and (4.2). To
this end, we will do a perturbative expansion of the above set of equations up to first order
in fν in the ΛCDM background, closely following [17, 38]. Following standard prescription,
the CDM and neutrino density constrasts can be expressed in a perturbative series as,

δcb = δ
(0)
cb + δ

(1)
cb + · · · , (4.4)

δν = δ
(0)
ν + δ

(1)
ν + · · · (4.5)

where δ(n)
i is the nth order perturbation in fν of the ith species. Also it is evident from

Eq. (3.5) that at late times, the gravitational potential φ decays as 1
k2 compared to other
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terms, hence we neglect any contribution from φ in Eqs. (4.1) and (4.2) for simplicity [38]. As
a result, for a� aT, the zeroth-order density perturbation equations for CDM and neutrino
sectors take the form,

δ
(0)
cb

′′
+ (2− 3

2(1+Λ̃e3τ )
)δ

(0)
cb

′
− 3

2(1+Λ̃e3τ )
δ

(0)
cb = 0, (4.6)

δ
(0)
ν

′′
+ (2− 3

2(1+Λ̃e3τ )
)δ

(0)
ν

′
+ 3

2q
2 e−τ

(1+Λ̃e3τ )
δ

(0)
ν − 3

2(1+Λ̃e3τ )
δ

(0)
cb = 0 (4.7)

where q ≡ k/k0 (k0 is defined in (3.9)). We remind the reader that throughout this article
we consider CDM+baryon as single fluid “cb” and call it “CDM” for brevity. Likewise, the
first-order density perturbation equations for CDM and neutrinos turn out to be,

δ
(1)
cb

′′
+ (2− 3

2(1 + Λ̃e3τ )
)δ

(1)
cb

′
− 3

2(1 + Λ̃e3τ )
δ

(1)
cb +

3

2(1 + Λ̃e3τ )
fν(δ

(0)
cb − δ

(0)
ν ) = 0 (4.8)

δ(1)
ν

′′
+ (2− 3

2(1 + Λ̃e3τ )
)δ

(1)
cb

′
+

3

2
q2 e−τ

(1 + Λ̃e3τ )
δ(1)
ν −

3

2(1 + Λ̃e3τ )
δ

(1)
cb +

3

2(1 + Λ̃e3τ )
fνδ

(0)
cb = 0

(4.9)

The Eqs. (4.6)-(4.8) show that the CDM perturbations of zeroth order will source the neutrino
perturbations of zeroth order, which in turn sources the CDM perturbations at first order as
indicated in (4.8). Since our focus is on getting the solutions at the lowest order in fν , we
only need to solve the zeroth-order equations for each species and then solve the first-order
equation for CDM. We will present the solutions of the above equations in the next subsection.
Further, in Section 5, we will expand the scope of this framework to investigate the impact
of neutrino perturbations on the matter power spectrum in various DE models.

4.2 Full analytical solutions

In order to find out a consistent set of solutions to the above set of perturbation equations we
will first exploit the zeroth order Eq. (4.6) for CDM density contrast. Ignoring the decaying
mode, the physically relevant solution for δ(0)

cb is given by,

δ
(0)
cb (q, τ) = c0(q)

6

5
eτ
√

1 + Λ̃e3τ
2F1(

5

6
,
3

2
,
11

6
,−Λ̃e3τ ), (4.10)

where 2F1 denotes Gauss-Hypergeometric function and the integration constant c0(q) can
be redefined in terms of δcb(q, 0) which is the CDM density contrast today in absence of
neutrinos.

Next we will explore the zeroth order neutrino density perturbation Eq. (4.7). As can
be seen, this equation contains inputs from zeroth order CDM perturbations, the solution of
which is given by (4.10). Inserting this CDM density contrast into (4.7), the zeroth order
neutrino density contrast turns out to be,

δ(0)
ν (q, τ) = c1(q) cos

(√
6qe

−τ
2 2F

1
1 (τ)

)
− c2(q) sin(

√
6qe

−τ
2 2F

1
1 (τ))+

cos(
√

6qe
−τ
2 2F

1
1 (τ))

∫ τ

1

1

q

√
3

2
e
τ ′
2 2F

2
1 (τ ′) sin(

√
6qe

−τ
2 2F

1
1 (τ)) dτ ′−

sin(
√

6qe
−τ
2 2F

1
1 (τ))

∫ τ

1

1

q

√
3

2
e
τ ′
2 2F

2
1 (τ ′) cos(

√
6qe

−τ
2 2F

1
1 (τ)) dτ ′ (4.11)
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where c1(q) and c2(q) can be related to the initial conditions for the neutrino perturbation.
For brevity here, and throughout the rest of the article, we will denote by 2F

1
1 (τ) and 2F

2
1 (τ)

respectively, the following two specific Gauss-Hypergeometric functions,

2F
1
1 (τ) ≡ 2F1

(
−1

6
,
1

2
,
5

6
,−Λ̃e3τ

)
2F

2
1 (τ) ≡ 2F1

(
5

6
,
3

2
,
11

6
,−Λ̃e3τ

)
. (4.12)

The solution of the neutrino density contrast for generalized initial conditions of neutrino
perturbation and its time derivative ( δ(0)

ν (q, τT ) ≡ δiν , δ(0)
ν

′
(q, τT ) ≡ δiν

′ ) at the transition
time τT is given by,

δ(0)
ν (q, τ) = δiν cos[

√
6q(e

−τ
2 2F

1
1 (τ)− e

−τT
2 2F

1
1 (τT ))]−

√
2

3

1

q
δiν
′
e
τT
2

√
1 + Λ̃e3τT

sin[
√

6q(e
−τ
2 2F

1
1 (τ)− e

−τT
2 2F

1
1 (τT ))] + sin[

√
6qe

−τ
2 2F

1
1 (τ)]

∫ τT

τ

1

q

√
3

2
e
τ ′
2 2F

2
1 (τ ′)

cos[
√

6qe
−τ
2 2F

1
1 (τ)] dτ ′ − cos[

√
6qe

−τ
2 2F

1
1 (τ)]

∫ τT

τ

1

q

√
3

2
e
τ ′
2 2F

2
1 (τ ′) sin[

√
6qe

−τ
2 2F

1
1 (τ)] dτ ′.

(4.13)

Finally, we need to find out the solution for (4.8) in order to compute the matter power
spectrum up to first order in fν . Using the solution of δ(0)

cb and δ
(0)
ν from Eqs. (4.10) and

(4.13) we obtain the following solution for the first order CDM density contrast,

δ
(1)
cb (q, τ) =

√
1 + Λ̃e3τ

√
e3τ

∫ τ

τT

3

2
fνe

3
2
τ ′

2F1[
5

6
,
3

2
,
11

6
,−Λ̃e3τ ′ ](δ

(0)
cb (q, τ ′)− δ(0)

ν (q, τ ′)) dτ ′+

6e
5
2
τ

2F1[
5

6
,
3

2
,
11

6
,−Λ̃e3τ ]

∫ τ

τT

fν
2
e−τ

′
(δ(0)
ν (q, τ ′)− δ(0)

cb (q, τ ′)) dτ ′ (4.14)

For simplicity, we ignore backreaction of neutrinos at initial times by setting δ
(1)
cb and its

time derivative to zero at the transition time τT . We now proceed to compute the neutrino-
corrected matter power spectrum by utilizing the above solutions.

4.3 Impacts on matter power spectrum

As usual, the total matter power spectrum in the Fourier space is defined as,〈
δm(~k1, τ)δm(~k2, τ)

〉
= (2π)3δ

[3]
D (~k1 − ~k2)P (k, τ) (4.15)

where δ[3]
D is the 3D Dirac delta function. The matter power spectrum on large scales is

unaffected since the neutrino perturbations behave like CDM in this limit. However, on small
scales the power spectrum is modified according to the definition of δm(q, τ) (q ≡ k

k0
) in

Eq. (3.6). Therefore the matter power spectrum at any time τ can be expressed as,

P (q, τ) =
(
fνδ

(0)
ν (q, τ) + (1− fν)(δ

(0)
cb (q, τ) + δ

(1)
cb (q, τ))

)2
. (4.16)
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where the expressions for δ(0)
cb , δ(0)

ν and δ(1)
cb are derived in Eqs. (4.10),(4.13) and (4.14) respec-

tively. For the purpose of the present study, we choose a physically motivated initial condition
for δ(0)

ν in (4.11) and its derivative which incorporates the fact that the neutrino perturbation
behaves like CDM at large scales and vanishes on length scales shorter than qNR ≡ kNR/k0. We
implement this simply by using a smoothed Heaviside function (δ(0)

ν (q, τ) = δ
(0)
cb (τ)Θ(q−qNR))

for the initial neutrino perturbation and its time derivative at the transition time τT . On
very large scales we expect to recover P (q, τ) = Pfν=0(q, τ) where Pfν=0(q, τ) is the power
spectrum in the absence of neutrino perturbation. So, any non-trivial effect of neutrino
perturbations on matter power spectrum can be identified by a quantity ∆(q, τ) defined as
follows,

∆(q, τ) ≡
Pfν 6=0(q, τ)

Pfν=0(q, τ)
. (4.17)

In what follows, we will be primarily interested in the computation of ∆(q, τ) at present
time τ = 0. The perturbation equations and hence the expression for the power spectrum
reduces to either ΛCDM or EDS case under suitable choice of parameters. We have used
the above analytical results correct up to first order in fν (4.10 - 4.14) to plot ∆(q, 0) in
presence of massive neutrinos in both ΛCDM and EDS universe in Fig. 1 (for

∑
mν = 0.12

eV). We then solved the coupled fluid Eqs. (4.1) and (4.2) numerically to all orders in fν and
compared with the analytical results correct up to first order in fν . In order to validate our
analysis, we further compared our results with outputs of publicly available code CLASS [15]
for different neutrino mass. The figure shows good agreement with CLASS up to a critical
value of neutrino mass, which is well within the current experimental bounds. However, as
we increase the neutrino mass parameter to higher values, the two results tend to show slight
to moderate level of inconsistencies. Further, in ΛCDM universe the suppression is less than
the EDS case as expected from physical considerations [27, 39]. As expected, in the limit of
Λ→ 0 the suppression follows the EDS case.

0.01 0.05 0.10 0.50 1 5 10
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Δ
(q
)

Numerical

Analytical
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1.0
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)

0.06 eV

0.12 eV

0.24 eV
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0.96 eV

Figure 1: Left Panel: We have shown the ratio of the matter power spectrum in presence
of massive neutrinos with

∑
mν = 0.12 eV (corresponding fν = 0.009) to the power spectrum

with fν = 0. Here the dotted and solid curves are respectively the analytical and numerical
results of the coupled two fluid equations. Red curves show the suppression in matter only
(EDS) universe and the green curves show the suppression in ΛCDM universe. Right Panel:
Here the solid curves are plotted using CLASS and the dotted curves represent the two fluid
solution for different

∑
mν in ΛCDM background.
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The analytic solutions Eqs. ((4.10) - (4.14)) allow us to construct the full scale-dependent
expression for the neutrino perturbation and illustrate the suppression of total matter power
spectrum in presence of massive neutrinos both in EDS and ΛCDM universe in a common
framework. Our results may be looked upon as a building block to incorporate the effects of
DE at mildly nonlinear regime which is also important for momentum conservation, see [18, 32]
for detailed study. We also expect that our analytical result will lead to improvements in the
transfer function in the mildly nonlinear regime as opposed to invoking halofit model in the
simulation. In the nonlinear description of fluid models with massive neutrino, the nonlinear
density contrast of neutrino sector is often approximated through δν ∼ δcb× δlin

ν

δlin
cb

as mentioned
in [18, 31]. We expect that the analytical results of neutrino and CDM perturbations as
obtained above will help to better approximate the nonlinear density contrast in this two
fluid model scenario. Moreover, a combination of analytic approach together with halofit
(or any such simulation) has great potential to yield a more accurate power spectrum at yet
unexplored length scales. This is expected to leave some imprints on the future LSS missions
and would be an interesting aspect to explore in the era of precision cosmology.

4.4 Discussions on velocity spectrum

The velocity divergence of the CDM (+ baryon ) sector is related to the corresponding density
profile by a factor of Hf , where f is the growth factor of the CDM sector. However, in the
presence of massive neutrinos coupled with CDM perturbations, the growth factor exhibits a
non-trivial dependence on wave number resulting in a suppression of the velocity divergence
spectrum, even in the linear regime. The velocity divergence spectrum of CDM in Fourier
space is defined as, 〈

θm(~k1, τ)θm(~k2, τ)
〉

= (2π)3δ
[3]
D (~k1 − ~k2)P θθ(k, τ) (4.18)

where δ[3]
D is the 3D Dirac delta function. To explore this above-mentioned feature, we have

plotted the velocity spectrum of the CDM sector in the presence of massive neutrinos using a
two-fluid scenario and found good agreement with the results obtained from the CLASS code,
as long as fν � 1 (satisfying the neutrino mass limit). The suppression ratio of the velocity

0.001 0.005 0.010 0.050 0.100 0.500 1

0.92

0.94

0.96

0.98

1.00
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Δ
(k
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Velocity Spectrum

Density Spectrum

Figure 2: Comparison of analytical solutions for density and velocity power spectrum with
CLASS in ΛCDM background for

∑
mν = 0.12 eV. Here the orange curves represent the

suppression of the velocity spectrum and the black curves represent the suppression of the
density power spectrum.
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divergence spectrum is defined just like the density profile as follows,

∆(k, τ) ≡
P θθfν 6=0(k, τ)

P θθfν=0(k, τ)
. (4.19)

Fig. 2 presents a comparison of the two-fluid velocity spectrum with the CLASS result
alongside the suppression of the density power spectrum. The figure again validates both
the analytical (4.10 - 4.14) and numerical solutions of the two-fluid model. Further, probing
velocity spectrum with upcoming surveys may lead to new insights into structure formation
with massive neutrinos as reported in some recent N-body simulation results [47]. We leave
such detailed investigations for future works.

5 CDM-massive neutrino perturbations in beyond-ΛCDM backgrounds

As we mentioned earlier, effects of massive neutrinos on matter power spectrum in EDS and
ΛCDM backgrounds come through scale- and time-dependent sound speed of neutrinos, which
make the system more interesting than vanilla ΛCDM scenario with CDM perturbations only.
A detailed analysis of the two-fluid perturbations in dynamical DE background will help
to enrich our understanding of the interplay between CDM and neutrino perturbations at
different scales. This will further help in a better understanding of the transfer function with
more theoretical inputs and could also help in numerical simulations. This is expected to
have yet unexplored far-reaching consequences on nonlinear evolution too.

Let us briefly review the dynamics of a few DE backgrounds that we will make use of
in this section. As is well-known, apart from ΛCDM, there have been several attempts to
describe the DE component via phenomenologically motivated models. This is particularly
important today since the baseline ΛCDM model has been found to suffer from a few tensions
at varied extent, like the H0 and σ8 tensions. As recently been studied in a series of papers
(see, for example, [48–50]), different DE parametrizations to some extent can potentially shed
light on tensions involving cosmological parameters. Thus, any non-trivial effects of neutrino
perturbations on CDM in these backgrounds need to be well-studied both analytically and
with quantitative estimates in order to have a better understanding of perturbations as well
as specific DE models/parametrizations in the background. Even though the effects turn out
to be small, this is a very crucial aspect, especially in the era of precision cosmology.

The (time-varying) equation of state of the DE component is defined as w(z) ≡ pDE
ρDE

,
which reflects on the Friedmann equation in the following way,

H2/H2
0 = Ωm,0(1 + z)3 + ΩDE,0 f(z) (5.1)

where the effects of the Equation of State (EoS) of DE is encapsulated in the function,

f(z) = e[3
∫ ln(1+z)
0 (1+w(z′) d ln(1+z′)]. (5.2)

Here Ωm,0 and ΩDE,0 are the present day matter (cold dark matter+baryons+massive neutri-
nos) and DE density respectively, satisfying Ωm,0 +ΩDE,0 = 1. We now proceed to investigate
the two fluid model in different DE backgrounds and illustrate the effects of massive neutrinos
on the total matter power spectrum.
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5.1 DE with constant EoS: wCDM background

Perhaps the simplest possible scenario beyond ΛCDM is to consider a wCDM model where
the DE equation of state w is redshift-independent. Here, for the case of any constant w,
Eq. (5.2) simply turns out to be,

f(z) = (1 + z)3(1+w). (5.3)

where w = −1 case behaves like a cosmological constant for which the solution is given by
(4.10 - 4.14). For other values of w, one can obtain an analytic solution similar to (4.10 -
4.14). However, the expressions are rather lengthy because of involvement of more terms in
the equation. Instead, we solve the equations numerically and check that the results match
with the analytical expressions. We further compare these results with that obtained from
CLASS in Fig. 3.

5.2 DE with evolving EoS in the background

There is a plethora of DE models with variable EoS, either motivated from a pure phenomeno-
logical point of view or emerging from relatively fundamental perspectives, or even from the
mere goal of addressing the Hubble tension in recent times. All of them essentially deals with
a functional form of the EoS evolving with redshift w(z), called the EoS parametrization.
In what follows, we will hand pick two well-known parametrizations as the background and
explore the nature of perturbations in those backgrounds.

5.2.1 CPL parametrization

Perhaps the most popular DE model after ΛCDM is the Chevallier-Polarski-Linder (CPL)
parameterization [51, 52] also known as w0waCDM parametrization. It is a two-parameter
extension to ΛCDM with a redshift dependent equation of state given by,

w(z) = w0 + wa
z

1 + z
(5.4)

Planck 2018 constrains the parameters w0 and wa in the CPL parameterization to be w0 =
−1.21+0.33

−0.60 and wa < −0.85 at 68% CL [1], where w0 represents the equation of state today
and wa describes its time evolution.

5.2.2 JBP parametrization

More generically one can proceed to construct a class of CPL-like parametrization where the
redshift-dependent part scales as z

(1+z)p , with p being a natural number. The Jassal-Bagla-
Padmanabhan (JBP) parametrization [53] is one such example in this family with p = 2, i.e.
it proposes a DE equation of state of the following form,

w(a) = w0 + wa
z

(1 + z)2
. (5.5)

In redshift-dependent DE backgrounds like CPL and JBP as described above, the factor
(1 + H′

H ) and fractional matter density Ωm(τ) in Eqs. (4.1) and (4.2) respectively take the
form,

1 +
H′

H
= 2− 3

2

1 + Q
3 e

3τ df
dτ

1 +Qe3τf(τ)
, Ωm(τ) =

1

1 +Qe3τf(τ)
(5.6)
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Figure 3: Suppression of matter power spectrum in different DE backgrounds. The Left
panel represents the suppression for the range of scales (0.001− 1) and the right panel is its
zoomed in version for the scales of interest (0.05− 1) where the features are more prominent.

where Q is defined as ΩDE
Ωm

. It can be readily checked that both of them boil down to constant
wCDM results for w0 = w, wa = 0 and further to ΛCDM results for w0 = −1, wa = 0.

We can now solve the coupled two fluid equations for CDM and massive neutrinos
considering these different DE backgrounds. The results have been plotted in the form of
suppression of power spectrum in Fig. 3 and also compared with that obtained from CLASS.

Fig. 3 summarizes the results for all the cosmological models under consideration in
the present article alongside EDS. As one can find from the figure, in the right panel of Fig.
3, there is ∼ 0.2% difference in suppression between EDS and ΛCDM universe, whereas the
difference between dynamical DE models is negligible in linear regime even with the most
optimistic deviation from ΛCDM (all computations are performed for sum of neutrino mass
0.12 eV which corresponds to fν = 0.009). Thus, different DE models are expected to remain
indistinguishable even after the inclusion of the effects of neutrino perturbations on CDM,
so far as the linear scales are concerned. Nevertheless, the fact that the inclusion of neutrino
perturbations indeed affects the CDM perturbations, as being reflected on ΛCDM case is an
interesting outcome of the plots and hence of the present analysis. In addition, as argued
earlier, the results from the linear scales are going to affect the (mildly) non-linear scales and
transfer function, which has the potential to provide useful information for future missions.
We hope to address some of these issues in a follow-up paper.

6 Prospects in observations

Both early and late-time cosmological observations are sensitive to the sum of neutrino masses
along with the six standard parameters in the vanilla ΛCDM model. Since in CMB measure-
ments, the optical depth τ is degenerate with the amplitude of temperature anisotropy, finding
out independent and stringent constraints on the sum of neutrino mass from CMB missions
alone is rather challenging [54]. Improved measurements of τ from future CMB observations
could lead to better constraints on

∑
mν . Otherwise, the minimum uncertainty in

∑
mν

would be limited to σ(
∑
mν) > 0.02 eV. Proposed CMB experiments like LiteBIRD [55] and

PICO [56], targeted to ameliorate τ measurements, could reduce the uncertainty in
∑
mν to

0.009− 0.015 eV [57].
In addition to CMB, optical depth can be separately constrained from 21-cm obser-

vations. At present the only global 21-cm signal from EDGES data [58] does not put any
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impressive constraint on the value of τ . Reionization physics and simulations can put some
kind of theoretical bounds on τ , which can give rise to a slightly different value based on the
model of reionization under consideration [59, 60]. However, these theoretical bounds need
to wait till the real data arrives. Cross-correlation of CMB data with future 21-cm mission
SKA [61] may improve the bounds on τ , which may in turn help us reduce the uncertainties
on
∑
mν as well.
On the other hand, the amplitude of the matter power spectrum, which is determined

through observations of CMB or galaxy lensing, is directly linked to the total matter density
parameter Ωmh

2. The reduction in power due to the presence of massive neutrinos can
be attributed to the mismatch between the lensing amplitude (which characterizes small-
scale fluctuations) and the homogeneous matter distribution manifested by the universe’s
expansion rate. Presently, the evaluation of neutrino mass constraints via BOSS BAO [62]
measurements is restricted by the uncertainty in the Ωmh

2 determination. However, DESI
BAO [63] is expected to significantly improve this measurement so that the constraint on∑
mν would presumably be mostly degenerate with the constraints on τ . Clubbing that

with future CMB and/or 21-cm missions may help in improving the constraints on
∑
mν by

constraining τ .
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Figure 4: Comparison of 1σ noise of BOSS-like galaxy survey and suppression of matter
power spectrum in different DE backgrounds obtained for the present analysis.

With this in mind, we have done a preliminary test for the validity of our analysis in
Fig. 4. In this figure, the solid lines represent the theoretical estimate of the suppression
of power spectrum in presence of massive neutrinos in different cosmological backgrounds as
obtained from Fig. 3. We have found that the results closely follow the ΛCDM scenario even
with the most optimistic deviation allowed from Planck [1] and BAO observation [2]. Hence,
the results would naturally be quite consistent with current datasets. In order to validate our
claim further, we plot the 1σ noise of BOSS-like (BOSS galaxy BAO, BOSS Lyα forest, eBOSS
galaxy Broadband data etc.) galaxy survey combining cosmic variance and shot noise [64, 65]
in Fig. 4, represented by the grey patch with blue dotted boundaries. It can be found from
the figure that the suppression of power spectrum in presence of massive neutrinos in different
backgrounds lies within the 1σ uncertainty of BOSS-like galaxy survey noise for

∑
mν = 0.12

eV (correspondingly, fν = 0.009). This leads to the conclusion that the two-fluid model of
CDM and massive neutrino in different cosmological backgrounds presented here are in good
agreement with current observations, and would also fall within the 1σ bounds of a broad
class of future LSS surveys.

This calls for a detailed forecast analysis with different future LSS surveys, their combina-
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tions, and possible joint analysis with existing CMB and future CMB and/or 21-cm missions.
As already mentioned,

∑
mν is degenerate with the optical depth τ in the CMB measure-

ment, and in weak lensing galaxy survey it is degenerate with Ωm. Future LSS missions like
EUCLID [8, 66], Gaia [12], LSST [10] individually or jointly with present CMB data from
Planck18 or future CMB data like LiteBIRD [55], PICO [56] etc, or 21-cm mission SKA are
expected to put tighter constraints on the sum of neutrino mass for any (beyond)-ΛCDM back-
grounds that will shed more light on the suppression factor in matter power spectrum caused
by neutrino perturbations. We hope that the present analysis, although performed mostly
as a theoretical quest for systematic development of the coupled CDM-neutrino framework
of perturbations, would be more and more relevant with the improvement of experimental
precision, hopefully in the next generation surveys in the context of some of the future CMB,
LSS and 21-cm missions mentioned above.

7 Summary and outlook

In this article, we have considered coupled two-fluid perturbation equations of CDM (where
CDM essentially denotes CDM + baryon sector) and massive neutrinos in different cosmo-
logical backgrounds with redshift-dependent neutrino free-streaming length, and investigated
possible effects on CDM perturbations in each case. For the vanilla ΛCDM model, we have
obtained analytic solution for the set of coupled perturbation equations and subsequently
found out the total matter power spectrum to first order in fν . The neutrino-mediated sup-
pression of matter power spectrum obtained from the analytical solution has been found to
be in good agreement with numerical solutions to all orders in fν . Further, both the ana-
lytical and numerical results for the two-fluid framework in ΛCDM background have been
found to be in good agreement with the results obtained from Boltzmann solver code CLASS
[15] by over 95% accuracy depending on the neutrino mass fraction. We have then consid-
ered several DE backgrounds beyond-ΛCDM, in particular the wCDM and some well-known
DE parametrizations like CPL and JBP; and investigated the effects of massive neutrinos on
CDM perturbations for each model under consideration. We noticed that within the linear
regime, the suppression in power spectrum in a EDS universe is increased by almost ∼ 0.2%
compared to ΛCDM universe for the neutrino mass fraction fν = 0.009 (constrained from
the upper bound on total neutrino mass as of now), and also the suppression increases with
higher values of Ωm. We further noticed that for the sum of neutrino mass 0.12 eV, the
suppression saturates to the well known result ∼ 8fν at a scale kNL ∼ 0.1h Mpc−1 [27]. The
neutrino-mediated suppression of total matter power spectrum in wCDM, CPL and JBP-like
DE backgrounds differs from ΛCDM universe by sub-percent level. We further validate our
analysis by searching for the prospects in observations and found that the inclusion of massive
neutrinos in fluid models in various background cosmology is within the 1σ uncertainty of the
BOSS-like galaxy survey noise for

∑
mν = 0.12 eV set by current observations.

The present analysis can be extended in several directions. First, we approximated the
sound speed of the neutrino fluid in terms of the velocity dispersion of the non-relativistic
neutrinos [17]. It will be interesting to improve this approximation, as has been proposed in a
recent study [43], and study the effects on the matter power spectrum. We also plan to extend
the current study to the mildly nonlinear regime in a perturbative scheme, utilizing the linear
kernels derived in this work. As argued in the present article, the results are expected to im-
prove upon the current results due to more accurate analytical inputs from the linear regime.
The two-fluid framework can be further generalized by including DE perturbations and con-
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structing a coupled three-fluid system. This might be a bit tricky and would presumably lead
to degeneracies, however it would be interesting to study such scenarios at least from a theo-
retical perspective as of now. From a phenomenological perspective, it will be interesting to
consider neutrino self-interaction [67–69] as well as dark matter-neutrino interactions [35, 70]
in the fluid approximation framework. Further, all the results obtained from the theoretical
analysis and the corresponding nonlinear corrections can be subjected to experimental tests
in the upcoming missions, by doing a forecast analysis on CMB (eg, LiteBIRD [55], PICO [56]
etc), LSS (like EUCLID [8], Gaia [12], LSST [10] etc.) and 21-cm missions (like SKA [61]),
either by exploring individual missions or by investigating combined constraints. This may in
turn impose further constraints on some of the properties of neutrinos, like the total neutrino
mass, DM-neutrino interaction strength, effects on CDM power spectrum at nonlinear scales,
and possible impact on other cosmological parameters. However, a detailed investigation in
this direction is required before we make any concrete comments on this. We plan to report
on some of these analyses in future.

Data Availability: Most of the numerical results presented in this paper have been ob-
tained using Mathematica and publicly available code CLASS. The Mathematica notebook
files can be shared with the individuals on reasonable requests.
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On the isotropy of SnIa absolute magnitudes in the Pantheon+ and SH0ES
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We use the hemisphere comparison method to test the isotropy of the SnIa absolute magnitudes
of the Pantheon+ and SH0ES samples in various redshift/distance bins. We compare the identified
levels of anisotropy in each bin with Monte-Carlo simulations of corresponding isotropised data
to estimate the frequency of such levels of anisotropy in the context of an underlying isotropic
cosmological. We find that the identified levels of anisotropy in all bins are consistent with the
Monte-Carlo isotropic simulated samples. However, in the real samples for both the Pantheon+
and the SH0ES cases we find sharp changes of the level of anisotropy occuring at distances less
than 40Mpc. For the Pantheon+ sample we find that the redshift bin [0.005, 0.01] is significantly
more anisotropic than the other 5 redshift bins considered. For the SH0ES sample we find a sharp
drop of the anisotropy level at distances larger than about 30Mpc. These anisotropy transitions are
relatively rare in the Monte-Carlo isotropic simulated data and occur in 2% of the SH0ES simulated
data and at about 7% of the Pantheon+ isotropic simulated samples. This effect is consistent with
the experience of an off center observer in a 30Mpc bubble of distinct physics or systematics.

I. INTRODUCTION

The cosmological principle (CP)[1] is a corner-
stone of the standard cosmological model ΛCDM .
It assumes that the Universe is homogeneous and
isotropic on scales larger than about 100Mpc. This
assumption is consistent with most cosmological ob-
servations and allows the use of the FRW metric as
a background where cosmological perturbation grow
to form the observed large scale structure. The main
cosmological observation that supports the CP is
the isotropy of the Cosmic Microwave Background
(CMB) and observations of the distribution of galax-
ies on scales larger than 100Mpc which are consis-
tent with the onset of homogeneity and isotropy on
these scales.

Despite of the simplicity and overall observational
consistency of the CP, a few challenges have de-
veloped during the past several years which ap-
pear to consistently question the validity of the
CP on cosmological scales larger than 100Mpc and
motivate further tests to be imposed on its va-
lidity. Some of these challenges pointing to pre-
ferred directions on large cosmological scales include
the quasar dipole[2–6], the radio galaxy dipole[7–
9], the bulk velocity flow[10–13], the dark velocity
flow[14], the CMB anomalies[15, 16], the galaxy spin
alignment[17–19], the galaxy cluster anisotropies
[20], and a possible SnIa dipole[21, 22]. These obser-
vational challenges of the CP may be indirectly con-
nected with other tensions of the standard ΛCDM
model including the Hubble [23–25] and growth ten-

∗ leandros@uoi.gr

sions [26–29] where the best fit parameter values of
the model H0 and σ8 appear to be inconsistent when
probed by different observational data. These ten-
sions may indicate that a new degree of freedom[30–
36] is required to be introduced in the ΛCDM model.
For example it would be in principle possible that
these tensions may disappear if the new degree of
freedom corresponding to anisotropy was allowed to
be introduced in the data analysis[22, 37–42].

An efficient method to test the CP is the use
of type Ia supernovae (SnIa) which can map the
expansion rate of the Universe up to redshifts of
about 2.5. The latest and most extensive SnIa
sample is the Pantheon+ sample[43–45].It provides
equatorial coordinates, apparent magnitudes, dis-
tance moduli and other SnIa properties, derived
from 1701 light curves of 1550 SnIa in a redshift
range z ∈ [0.001, 2.26] compiled across 18 different
surveys. This sample is significantly improved over
the first Pantheon sample of 1048 SnIa [46], partic-
ularly at low redshifts z.

The Pantheon+ sample has been used extensively
for testing cosmological models and fitting cosmic
expansion history parametrizations of H(z) [43]. It
has also been used to identify and constrain pos-
sible velocity dipoles and compare with the corre-
sponding velocity dipole obtained from the CMB.
It was found that even though the observer velocity
amplitude agrees with the dipole found in the cos-
mic microwave background, its direction is different
at high significance[21]. These results are in some
tension with previous studies based on the previous
Pantheon sample[47]. The isotropy of H0 has also
been investigated using the hemisphere comparizon
method [22, 42, 48–52] and relatively small but sta-
tistically significant anisotropy level was identified
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in the direction of the CMB dipole. Since there is
degeneracy between H0 and the SnIa absolute mag-
nitude a possible anisotropy in the best fit value of
H0 is probably connected with an anisotropy of the
SnIa absolute magnitudes.

Recent analyses have pointed out that a sudden
change (transition) of the SnIa absolute magnitude
by about 0.2 at a transition redshift z . 0.01 could
imply a lower value of H0 compared to the one
measured in the context of a standard distance lad-
der approach that does not incorporate this tran-
sition degree of freedom [23, 53–55]. Such a sud-
den change could occur in the context of a gravita-
tional physics transition taking place globally dur-
ing the past 150 Myrs, or locally in a bubble of
scale of about 40Mpc and shifting the strength of
gravity by a few percent. Such a transition would
lead to a systematic dimming of SnIa which could
be incorrectly interpreted as a higher value of H0

due to the degeneracy between H0 and M . It
has recently been shown that such a scenario is
consistent[55] with the SH0ES data[56], with the
Pantheon+ data[57] and with other astrophysical
and geological observations[58, 59].

This scenario may be realized in the context of a
local 40Mpc bubble rather than a global transition
at late times. In this case an off-center observer
would detect a sudden increase of the anisotropy of
the SnIa absolute magnitudes in spherical distance
bins that include parts of both the inside and the
outside region of the transition bubble (intermediate
anisotropic distance bin in Fig. 1). Distance bins
that are much larger of much smaller than the radius
of the transition bubble would appear isotropic to
the off center observer as shown in Fig. 1.

In the context of this prediction of the transition
model for the anisotropy of the SnIa absolute mag-
nitudes, the following questions arise:

• What is an efficient and general purpose statis-
tic to quantitatively describe the anisotropy
level of the SnIa absolute magnitudes of the
Pantheon+ sample?

• Given such a statistic, what is the level of
anisotropy of the SnIa absolute magnitudes
for various distance (redshift) bins of the
Patheon+ and SH0ES samples?

• What are the directions corresponding to these
anisotropies for each redshift bin and how do
these directions relate to the CMB dipole?

• What are the corresponding results expected
in the context of Monte-Carlo simulated data
of Pantheon+ in the context of isotropy?

• Are the above answers for the Pantheon+ and
SH0ES samples consistent with each other?

FIG. 1: Demonstration of the predicted change of
the anisotropy level of SnIa absolute magnitudes
experienced by an off-center observer (center of
small pink circle) in a gravitational transition

bubble (red circle) where the gravitational constant
is different by a few percent. A low anisotropy is
expected in the small pink distance bin, a large
anisotropy level is expected for the distance bin

between the pink inner circle and the green outer
circle and finally a smaller anisotropy level is

expected for the distance bin between the green
and the grey outer circles.

The goal of the present analysis is to address these
questions. In order to address these questions we
obtain the SnIa absolute magnitudes as

M = mB − µ (1.1)

where mB is the apparent magnitude of SnIa and
µ is the distance modulus obtained either from the
Cepheids co-hosted with the SnIa (published with
the Pantheon+ data) or from the best fit ΛCDM
model as obtained from Pantheon+.

The structure of this paper is the following: In the
next section II we describe the statistic Σmax used to
quantify the anisotropy level in our analysis and the
hemisphere comparison method implemented in the
context of this statistic. The implementation of this
method is presented in section III for both the Pan-
theon+ and the SH0ES samples. The results of this
anisotropy analysis are presented and qualitatively
compared with those expected in the context of the
local transition model predictions. Finally in section
IV we summarize our main results, discuss their im-
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plications and describe possible future extensions of
this analysis.

II. THE HEMISPHERE COMPARISON
METHOD

The hemisphere comparison method[60, 61] along
with the dipole method has been extensively
used[62–67] for the identification of the level of
anisotropy and the corresponding direction in a wide
range of cosmological data. The implementation of
this method in the present analysis involves the fol-
lowing steps:

• Use the publicly available Pantheon+ data[43]
to estimate the absolute magnitude of each one
of the 1701 SnIa using eq, (1.1) where µ is
obtained from the Cepheid estimate for SnIa in
Cepheid hosts or from the best fit Pantheon+
ΛCDM model with Ω0m = 0.333, h = 0.734
for the rest of the SnIa[43, 57]. For these SnIa
we set

µ(z) = 5 log10(dL(z; Ω0m, h)/Mpc) + 25 (2.1)

where

dL(z; Ω0m, h) = c(1 + z)

∫ z

0

dz′

H(z′; Ω0m, h)
(2.2)

is the luminosity distance and

H(z) = 100 h
[
Ω0m(1 + z)2 + (1− Ω0m)

]1/2
(2.3)

is the Hubble expansion rate for ΛCDM (H0 =
100 h km/sec ·Mpc). The residual absolute
magnitude may be defined as

Mres ≡Mi −MSH0ES (2.4)

where MSH0ES = −19.2483 is the best fit
SnIa absolute magnitude as obtained from the
SH0ES data[56]. In what follows, we use the
residual absolute magnitudes Mres but omit
the index res for simplicity. The uncertainty
of each (residual) M may be estimated using
the uncertainties of m and µ from eq. (1.1) as

σM =
√
σ2
m + σ2

µ (2.5)

where σm and σµ are uncertainties of the ap-
parent magnitude and the distance modulus
as provided by the Pantheon+ sample1. The

1 The distance modulus provided in the Pantheon+ data as-
sumes that the absolute magnitude is the same for all SnIa
and is equal to MSH0ES .

mean of these residual absolute magnitudes is
0. For plotting convenience we also use the
standardized absolute magnitudes defined as

M̄ ≡ M −Mmin

Mmax −Mmin
(2.6)

where Mmax, Mmin are the maximum and
minimum values of the SnIa absolute magni-
tudes. Obviously by definition M̄ ∈ [0, 1].

• The published SnIa coordinates of SnIa in Pan-
theon+ are equatorial coordinates (RA,DEC).
We thus convert them to galactic coordinates
(l, b) using standard algorithms[68]. The re-
sulting map of the SnIa absolute magnitudes
is shown in Fig. 2. In Fig. 3 we also show
the corresponding angular distribution for two
redshift bins: z ∈ [0.001, 0.005] in Fig. 3a
(29 points, some of them overlapping) and
z ∈ [0.005, 0.01] in Fig. 3b (82 points). The
color of the points denotes the standardized
absolute magnitude while the radius of the
points in Fig. 3 increases with the redshift.

• In a given redshift bin we consider a random
direction in galactic coordinates and split the
sample in two subsamples: one with SnIa in
the ’North’ hemisphere with respect to this
random direction and one in the ’South’ hemi-
sphere. For each hemisphere we construct the
weighted average (residual) absolute magni-
tude (MN and MS) and the corresponding un-
certainties (σN and σS) using the equations

MN =

∑
iMN,i/σ

2
N,i∑

i 1/σ2
N,i

(2.7)

where the sum runs over the SnIa of the
’North’ hemisphere. Similarly we obtain MS

for the ’South’ hemisphere with respect to the
given random direction. The corresponding
uncertainty of MN is obtained as

σN =

√√√√(∑
i

1/σ2
N,i

)−1
(2.8)

and similarly for σS .

• We construct the statistical variable represent-
ing the anisotropy level for the given random
direction

Σ ≡ |MN −MS |√
σ2
N + σ2

S

(2.9)

• We evaluate Σ for 1000 random directions and
select the maximum anisotropy direction lead-
ing to the maximum anisotropy level Σmax.
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FIG. 2: Mollweide projection in the galactic frame of the sky distribution of the Pantheon+ SnIa. Both
angular coordinates are in radians and the azimouthal coordinate ranges in the projected range of [−π, π]

The color describes the SnIa standardized absolute magnitudes M̄ .

• We generate Monte-Carlo simulated versions
of the Pantheon+ and SH0ES residual abso-
lute magnitudes by replacing each SnIa abso-
lute magnitude my a random value selected
from a Gaussian distribution with 0 mean and
standard deviation given by eq. (2.5) for each
residual absolute magnitude M .

• For each one of the Monte-Carlo Pantheon+
absolute magnitude samples we identify Σmax
and thus we find the mean Σmax and its stan-
dard deviation as obtained from 30 Monte-
Carlo Pantheon+ or SH0ES realizations. We
thus compare the anisotropy level Σmax of
the real data with the anticipated 1σ range
of Σmax obtained from the Monte-Carlo simu-
lated data for various redshift bins and for the
full samples data. If the value of Σmax from
the real data is larger than the 1σ Monte Carlo
range this could be interpreted as a hint for
statistically significant anisotropy in the given

redshift bin. In the opposite case of Σmax less
than the Monte-Carlo range it could be inter-
preted as an overestimation of the uncertain-
ties that generated the Monte-Carlo samples.

In the next section we implement the above de-
scribed hemisphere comparison method on both the
Pantheon+ and the SH0ES maps of the SnIa residual
absolute magnitudes to identify possible abnormal
levels of anisotropy on various redshift bins and/or
abnormal variations of the anisotropy levels among
different redshift bins.

III. ISOTROPY OF SNIA ABSOLUTE
MAGNITUDES

III.1. Isotropy of Pantheon+ SnIa Sample

We split the Pantheon+ data is six redshift bins
and for each redshift bin we identify the maximum
anisotropy level Σmax and the corresponding direc-
tion axis in galactic coordinates as well as its an-

gle with the CMB dipole which is towards (l, b) =
(264◦, 48◦) in galactic coordinates. Since Σmax is
positive definite, the anisotropy axis has no preferred
sign and we define it to point towards the north
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Bin zmin zmax Σmax Monte-Carlo Range Data in Bin Anisotropy Axis (l, b) θCMB

1 0.001 0.005 0.51 2.04± 0.45 29 (222.54◦, 35.85◦) 32.68◦

2 0.005 0.01 1.93 1.93± 0.28 82 (100.44◦, 33.51◦) 97.17◦

3 0.01 0.05 1.70 2.71± 0.71 534 (331.58◦, 33.71◦) 51.34◦

4 0.05 0.10 1.32 2.36± 0.45 96 (85.51◦, 11.75◦) 120.23◦

5 0.10 0.30 1.10 2.19± 0.74 466 (188.04◦, 4.63◦) 77.18◦

6 0.30 2.30 1.16 2.24± 0.40 494 (241.58◦, 18.89◦) 34.33◦

All 0.001 2.30 1.50 2.30± 0.70 1701 (136.39◦, 16.12◦) 100.72◦

TABLE I: The anisotropy level Σmax in six redshift bins of the Pantheon+ data and the corresponding
anisotropy directions in galactic coordinates. The anticipated 1σ range from Monte-Carlo simulations is
also shown and the angle of each anisotropy direction with the CMB dipole is shown in the last column.
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(a) The SnIa distribution in the lowest redshift bin
[0.001, 0.005]. The color denotes the standardized

absolute magnitude M̄ and the radius of each point
increases with redshift. There are 29 SnIa but not all of
them are shown due to overlap of directions since in this
distance range there are SnIa that share the same host

and thus the same galactic coordinates.
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(b) The SnIa distribution in the redshift bin [0.005, 0.01].

FIG. 3: The SnIa sky distribution in the two lowest
redshift bins.

galactic hemisphere direction. For each bin we also
identify the anticipated 1σ range of Σmax obtained
from 30 Monte-Carlo realizations. The results are
shown in Table I

The corresponding anisotropy directions for each
redshift bin are shown in Fig. 4. Notice that even
though the bins 1, 3 and 6 are close to the CMB

dipole direction there is no overall trend of the full
dataset or for all bins to be correlated with the CMB
data.

The Mollweide projection is in the galactic co-
ordinate frame but the azimouthal angle ranges in
[−π, π] in radians, in contrast to the galactic coor-
dinate l which ranges in [0◦, 360◦]. Thus the CMB
dipole direction appears in the left part of the North
galactic hemisphere. Also both angular coordinates
are shown in radians.

CMB
1 23

45
6 All
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FIG. 4: the maximum anisotropy directions for
each one of the six considered redshift bins shown

in Table I and in Fig. 5.

The maximum anisotropy levels Σmax for each
redshift bin along with the corresponding Monte-
Carlo 1σ ranges are shown in Fig. 5. There are two
points to notice in this Figure. First, there is a clear
maximum in the level of anisotropy is the bin z ∈
[0.005, 0.01] (distance range d ∈ [20, 40]Mpc) which
is not anticipated from the Monte-Carlo ranges.
This is consistent with the prediction of the off-
center observer hypothesis discussed in the Introduc-
tion section I (see Fig. 1). Second, the real data ap-
pear to have systematically lower level of anisotropy
in most bins than the level anticipated on the ba-
sis of Monte-Carlo simulations. This could be due
to an overestimate of the uncertainties as obtained
from eq. (2.5) and the fact that the construction of
the Monte-Carlo simulations has not taken into ac-
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FIG. 5: The value of the anisotropy level Σmax for
the Pantheon+ data (red line and points) in six
redshift bins. The corresponding ranges of the

isotropic Monte-Carlo data are also shown (blue
points).

count possible correlations among the different ab-
solute magnitudes expressed through the covariance
matrix.

In order to estimate the statistical significance of
the observed shift of the anisotropy level in the first
two redshift bins, in Fig. 6, we have constructed a
histogram of the probability of change of Σmax in
the first two redshift bins obtained from the Monte-
Carlo simulations. The dashed green line corre-
sponds to the ∆Σmax shift for the real data. About
7% of the Monte-Carlo samples had a ∆Σmax shift
equal or larger than that of the real data. This prob-
ability would get smaller if we had also demanded
from the Monte-Carlo data to have a smaller Σmax
on higher redshift bins as observed in the real data
and as predicted in the context of the off-center ob-
server hypothesis.

III.2. Isotropy of SH0ES SnIa Sample

The identified change of anisotropy level identified
for the second distance bin [20, 40]Mpc in the Pan-
theon+ data is also identified in the SH0ES data of
SnIa hosts hosts shown in Fig. 7. For this part of the
analysis we have considered the weighted average ab-
solute magnitude of each one of the 37 Cepheid hosts
of the SH0ES data which are very weakly correlated.
These absolute magnitudes and their derivation are
discussed in detail in Ref. [57]. The corresponding
SH0ES data are shown in Table II.

Due to the small number of hosts in the SH0ES
data we have considered cumulative distance bins
from low to high distances. The maximum distance
dmax of each cumulative bin was obtained from the
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FIG. 6: Probability distribution of the change of
level of anisotropy between the lowest two redshift
bins as obtained from the Monte-Carlo simulations.

The real data value of ∆Σmax is denoted by the
dashed green line.
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FIG. 7: The angular distribution in the sky of 37
SnIa host absolute magnitudes obtained as

weighted averages of the SnIa absolute magnitudes
in each host. The CMB dipole direction is shown
with the red cross and the maximum anisotropy

axis is shown with the blue cross. Mild alignment
is observed as was the case for the low distance

bins of the Pantheon+ sample (see Fig. 4).

largest distance modulus of the bin as

dmax = 10
µCeph,max−25

5 (3.1)

where µCeph,max maximum distance modulus of each
cumulative distance bin as obtained from Cepheids.
Thus each cumulative bin which includes hosts with
distances in the range d ∈ [dmin, dmax] where dmin =
6.8Mpc corresponding to the closest SnIa+Cepheid
host (M101) and dmax is the maximum distance of
the bin. In each distance bin we implement the hemi-
sphere comparison method and identify the maxi-
mum anisotropy level. Thus we plot Σmax in terms
of dmax in Fig. 8. In terms of alignment of the max-
imum anisotropy direction with the CMB dipole we
find mild alignment with the CMB dipole for the
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full SH0ES data. Note however that there are large
uncertainties in terms of determining the anisotropy
direction due to the small number of SnIa in the
SH0ES data.
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FIG. 8: The anisotropy level for cumulative
distance bins with maximum distance dmax as

obtained from the distance modulus of each host.

The anisotropy level for the SH0ES data shown
in Fig. 8 is consistent with the corresponding re-
sults for the Pantheon+ sample. It shows a rapid
decrease of the anisotropy level at dmax ' 30Mpc
even though the anisotropy level for all cumulative
bins are consistent with the 1σ Monte-Carlo ranges
shown also in Fig. 8. Due to the cumulative nature
of these bins and the small number of datapoints, the
lowest distance bin of the Pantheon+ analysis is not
probed and thus the rapid increase of the anisotropy
level is not manifest in the SH0ES data case even
though the sharp decrease of the anisotropy level is
clearly evident. The SH0ES data that were used for
the construction of Figs 7 and 8 are shown in Table
II.

In order to estimate the probability that the ob-
served sharp decrease of the anisotropy level would
occur in the context of generically isotropic data we
have constructed 40 Monte-Carlo simulated SH0ES
host absolute magnitude samples for each one of
two distance bins: a low distance bin with d ∈
[dmin, dmin + 20]Mpc and a high distance bin with
d ∈ [dmin + 20]Mpc, dmax] where dmin = 6.8Mpc
is the minimum SnIa+Cepheid host distance of the
SH0ES sample and dmax = 80Mpc is the corre-
sponding maximum distance. We thus have 40 ×
40 = 1600 bin pairs. For each pair we find the max-
imum anisotropy level difference ∆Σmax and plot a
histogram for the frequency of these differences in
Fig. 9. For the real data we have ∆Σmax = 1.45
shown with a green dashed line in Fig. 9. Only 32
of the 1600 bin pairs had a difference ∆Σmax ≥ 32
ie larger than or equal to ∆Σmax of the real data.
This corresponds to a probability of about 2%. Thus

-2 -1 0 1 2
0

50

100

150

200

ΔΣmax

N

FIG. 9: Histogram describing the probability of
finding a change ∆Σmax of the maximum

anisotropy level, between the low distance bin for
the SH0ES data. The real data value of

∆Σmax = 1.45 is denoted with the green dashed
line.

the anisotropy level transition in the SH0ES data is
fairly significant statistically (almost at 3σ.

IV. DISCUSSION-CONCLUSION

We have used the hemisphere comparison method
to investigate the level of SnIa absolute magnitude
anisotropy in the Pantheon+ and SH0ES samples.
Our analysis is distinct from some previous stud-
ies [21] in that we have not focused on the veloc-
ity dipole but on intrinsic properties of SnIa corre-
sponding to their absolute magnitude. Also we have
not considered the particular form of anisotropy
described by a dipole but a general anisotropy
which can be probed by the hemisphere comparison
method.

We have found that for both Pantheon+ and
SH0ES SnIa absolute magnitudes the anisotropy
level in all bins considered is consistent with the
isotropic Monte-Carlo simulated data. However,
we have identified a sharp change of the level of
anisotropy at the low redshift/distance bins which
appears to be rare in the isotropic Monte Carlo
simulated data. This change from higher level of
anisotropy for absolute magnitudes of SnIa at dis-
tances d < 30Mpc to lower anisotropy level for ab-
solute magnitudes of SnIa with d > 30Mpc is consis-
tent with a scenario assuming an off-center observer
in a 20 − 30Mpc bubble with SnIa properties that
are distinct from the SnIa properties outside this
bubble.

Such a scenario is also supported by previous stud-
ies which have found hints for a transition of the SnIa
absolute magnitude and other astrophysical proper-



8

Host name SnIa name µCeph σµCeph mB σmB M σM RA DEC
M101 2011fe 29.178 0.041 9.78 0.115 -19.398 0.122 210.774 54.274
N5643 2017cbv 30.546 0.052 11.229 0.054 -19.317 0.075 218.143 -44.134
N4424 2012cg 30.844 0.128 11.487 0.192 -19.357 0.230 186.803 9.420
N4536 1981B 30.835 0.05 11.551 0.133 -19.284 0.142 188.623 2.199
N1448 2021pit 31.287 0.037 12.095 0.112 -19.191 0.118 56.125 -44.632
N1365 2012fr 31.378 0.056 11.9 0.092 -19.478 0.107 53.4 -36.127
N1559 2005df 31.491 0.061 12.141 0.086 -19.35 0.105 64.407 -62.770
N2442 2015 31.45 0.064 12.234 0.082 -19.216 0.104 114.066 -69.506
N7250 2013dy 31.628 0.125 12.283 0.178 -19.345 0.217 334.573 40.570
N3982 1998aq 31.722 0.071 12.252 0.078 -19.47 0.105 179.108 55.129
N4038 2007sr 31.603 0.116 12.409 0.106 -19.194 0.157 180.47 -18.973
N3972 2011by 31.635 0.089 12.548 0.094 -19.087 0.129 178.94 55.326
N4639 1990N 31.812 0.084 12.454 0.124 -19.358 0.149 190.736 13.257
N5584 2007af 31.772 0.052 12.804 0.079 -18.968 0.094 215.588 -0.394
N3447 2012ht 31.936 0.034 12.736 0.089 -19.2 0.0953 163.345 16.776
N2525 2018gv 32.051 0.099 12.728 0.074 -19.323 0.123 121.394 -11.438
N3370 1994ae 32.12 0.051 12.937 0.082 -19.183 0.0965 161.758 17.275
N5861 2017erp 32.223 0.099 12.945 0.107 -19.278 0.146 227.312 -11.334
N5917 2005cf 32.363 0.12 13.079 0.095 -19.284 0.153 230.384 -7.413
N3254 2019np 32.331 0.076 13.201 0.074 -19.13 0.106 157.342 29.510
N3021 1995al 32.464 0.158 13.114 0.116 -19.35 0.196 147.733 33.552
N1309 2002fk 32.541 0.059 13.209 0.082 -19.332 0.101 50.523 -15.400
N4680 1997bp 32.599 0.205 13.173 0.205 -19.426 0.290 191.724 -11.642
N1015 2009ig 32.563 0.074 13.35 0.094 -19.213 0.119 39.548 -1.312
N7541 1998dh 32.5 0.119 13.418 0.128 -19.082 0.175 348.668 4.537
N2608 2001bg 32.612 0.154 13.443 0.166 -19.169 0.226 128.829 28.468
N3583 2015so 32.804 0.08 13.509 0.093 -19.295 0.123 168.654 48.318
U9391 2003du 32.848 0.067 13.525 0.084 -19.323 0.107 218.649 59.334
N0691 2005W 32.830 0.109 13.602 0.139 -19.228 0.177 27.690 21.759
N5728 2009Y 33.094 0.205 13.514 0.115 -19.580 0.235 220.599 -17.246
M1337 2006D 32.92 0.123 13.655 0.106 -19.265 0.162 193.141 -9.775
N3147 2021hpr 33.014 0.165 13.8536 0.093 -19.160 0.190 154.161 73.400
N5468 2002cr 33.116 0.074 13.942 0.053 -19.173 0.091 211.657 -5.439
N7329 2006bh 33.246 0.117 14.03 0.079 -19.216 0.141 340.067 -66.485
N7678 2002dp 33.187 0.153 14.09 0.093 -19.097 0.179 352.127 22.428
N0976 1999dq 33.709 0.149 14.25 0.103 -19.459 0.181 38.498 20.975
N0105 2007A 34.527 0.25 15.25 0.133 -19.277 0.283 6.320 12.886

TABLE II: The SH0ES data that were used for the construction of Figs 7 and 8. For each host we show a
representative SnIa that was used for determining the galactic coordinates of the host.

ties at d ' 20Mpc. This effect could also provide a
resolution of the Hubble tension [53–55, 57, 58, 69]
since the value of the SnIa absolute magnitudes is
closely connected and degenerate with the measured
Hubble parameter H0.

An interesting extension of the present analysis
would be to use different cosmological and/or astro-
physical probes like Tully-Fisher data to probe pos-
sible anisotropies of astrophysics properties in dis-
tance bins in the range of 10 − 50Mpc. Such stud-
ies would provide further tests for the off-center ob-
server interpretation of our results.

Numerical analysis files: The Mathematica
v13 notebooks and data that lead to the construc-

tion of the figures of the paper may be downloaded
from this url.
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σ8-tension through running vacuum in the Uni-
verse,” EPL 120, 39001 (2017), arXiv:1711.00692
[astro-ph.CO].

[36] Eleonora Di Valentino and Sarah Bridle, “Explor-
ing the Tension between Current Cosmic Microwave
Background and Cosmic Shear Data,” Symmetry
10, 585 (2018).

[37] Christos G. Tsagas, “The deceleration parameter
in ‘tilted’ universes: generalising the Friedmann
background,” Eur. Phys. J. C 82, 521 (2022),
arXiv:2112.04313 [gr-qc].

[38] Kerkyra Asvesta, Lavrentios Kazantzidis, Leandros
Perivolaropoulos, and Christos G. Tsagas, “Obser-
vational constraints on the deceleration parameter
in a tilted universe,” Mon. Not. Roy. Astron. Soc.
513, 2394–2406 (2022), arXiv:2202.00962 [astro-
ph.CO].

[39] Christos G. Tsagas, “The peculiar Jeans length,”
Eur. Phys. J. C 81, 753 (2021), arXiv:2103.15884
[gr-qc].

[40] Christos G Tsagas, “Large-scale peculiar motions
and cosmic acceleration,” Mon. Not. Roy. As-
tron. Soc. 405, 503 (2010), arXiv:0902.3232 [astro-
ph.CO].
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Abstract. The growth-rate fσ8(z) of the large-scale structure of the Universe is an impor-
tant dynamic probe of gravity that can be used to test for deviations from General Relativity.
However, in order for galaxy surveys to extract this key quantity from cosmological observa-
tions, two important assumptions have to be made: i) a fiducial cosmological model, typically
taken to be the cosmological constant and cold dark matter (ΛCDM) model and ii) the mod-
eling of the observed power spectrum from Hα emitters, especially at non-linear scales, which
is particularly dangerous as most models used in the literature are phenomenological at best.
In this work, we propose a novel approach involving convolutional neural networks (CNNs),
trained on the Quijote N-body simulations, to predict fσ8(z) directly and without assuming
a model for the non-linear part of the power spectrum, thus avoiding the second of the afore-
mentioned assumptions. We find that the predictions for the value of fσ8 from the CNN
are in excellent agreement with the fiducial values, while the errors are within a factor of
order unity from those of the traditionally optimistic Fisher matrix approach, assuming an
ideal fiducial survey matching the specifications of the Quijote simulations. Thus, we find the
CNN reconstructions provide a viable alternative in order to avoid the theoretical modeling
of the non-linearities at small scales when extracting the growth-rate.
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1 Introduction

Recent cosmological observations indicate that the Universe is experiencing a phase of acceler-
ated expansion, which is typically attributed to a new form of matter, i.e., dark energy, that is
responsible for this phenomenon. Within the context of the Friedmann-Lemâıtre-Robertson-
Walker (FLRW) cosmology, this new dark energy component is frequently attributed to the
cosmological constant Λ, which is introduced regardless of the fine-tuning issues that this
may cause [1, 2]. Together with the assumption of a cold dark matter (CDM) component,
these two ingredients make up the so-called ΛCDM model, which is currently the concordance
cosmological model [3].

The large-scale structure (LSS) of the Universe encodes very important details that are
crucial to test cosmological models, as it provides information about the late-time evolution
of the Universe and the structure of the matter density field. Both are useful for constraining
the current values of the fractional density parameters for CDM, baryonic matter, and dark
energy: Ωm,0, Ωb,0 and ΩΛ,0 respectively, and many other parameters like the clustering
strength σ8 [4, 5]. They are also important probes to search for possible deviations from
general relativity.

An overriding challenge in modern cosmology is understanding the features of dark
energy, and here lies the importance of obtaining highly accurate data from forthcoming
cosmological missions such as Euclid [6], LSST [7], and DESI [8], which aim to provide percent
measurements of the various key parameters related to the LSS. In order to make sense of the
plethora of currently available cosmological models and observations [9, 10], it is necessary
to develop valuable statistical tools. In particular, Machine Learning (ML) has attracted
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increasing attention as it simplifies the usually computationally expensive procedures for
data treatment [11]. Simulations also play an indispensable role in understanding the whole
picture of the LSS, since some information is particularly difficult to extract due to the non-
linearity nature of the system. This is the motivation behind the Quijote N-body simulations,
consisting of CDM particle simulations that allow quantifying data on the matter field in the
fully non-linear regime and with different statistics [12].

One way of probing the dynamics of LSS is by measuring the growth of matter den-
sity perturbations δm = δρm/ρm, where ρm is the background matter density and δρm its
linear order perturbation, and its growth rate that is usually represented by its logarithmic
derivative f = d ln δm

d ln a . However, when dealing with galaxy surveys, the observed quantity
is, in fact, the galaxy density δg, which is connected to the matter perturbations through a
bias parameter that changes from survey to survey: δg = b δm and depending on the type of
galaxy observed [13]. At some redshift bin zi, the growth rate f(zi) can be combined with the
bias b(zi) to give rise to the so-called velocity-density coupling parameter β(zi) = f(zi)/b(zi),
while the combination of b(zi)σ8(zi) can also be independently measured [14], where σ8(z) is
the root mean square (RMS) density fluctuation in a sphere of radius R = 8Mpc/h. There-
fore the combination fσ8(z) ≡ f(z)σ(z) is independent of bias and can be measured via
redshift-space distortions [15].

However, this approach has the issue that in order to extract the fσ8(z) quantity, two
main assumptions have to be made: first, that of a cosmological model (typically assumed to
be the ΛCDM model), as we need to convert the redshifts of galaxies and coordinates in the
sky to distances in order to extract the correlation function [16]. Second, we need to assume
a model for the non-linear part of the power spectrum (at scales k & 0.3h/Mpc), typically
done with phenomenological models [17–21].

This approach has also led to the creation of several fσ8(z) data set compilations,
see for example, Refs. [14, 22, 23] and references therein, where the data have an explicit
dependence on the cosmology used. Even though this can be somewhat easily corrected for
via an Alcock-Paczynski (AP) type correction [22], the second issue of the model dependence
on the non-linear power spectrum is more insidious as all models used are phenomenological,
and thus far, there is no way to correct for that a posteriori.

One approach which has been recently proposed to extract cosmological parameters in
a theory-agnostic manner is via ML and, in particular, by training Convolutional Neural
Networks (CNNs) on N-body simulations and then extracting the parameters from the LSS
statistics [24]. This approach was also further expanded to also extract the cosmological
density and velocity fields from N-body simulations [25, 26]. These ML approaches have the
main advantages that after the original training has occurred, any subsequent evaluations
are practically instantaneous, and more importantly, they allow for extracting the quantities
of interest with minimal assumptions.

In this work, we aim to extract and compare the growth-rate fσ8 quantity by leveraging
ML techniques, in particular by training a CNN directly on N-body simulations at different
redshift bins and also on the power spectrum of these simulations. For comparison, we also
calculated the estimated errors of fσ8 for an ideal survey corresponding to our simulations.
Thus, while we do not avoid the cosmological model dependence, we avoid the assumption
of the modeling of the non-linear power spectrum.

The layout of our paper is as follows: in Sec. 2, we briefly summarize the theoretical
background of our analysis, while in Sec. 3, we present the details for the Quijote simulations
used in our analysis. Then in Sec. 4, we describe the results of our ML analysis using the
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density field of the simulations, while in Sec. 5, we compare our results to the conventional
likelihood inference. Finally, in Sec. 6, we summarize our conclusions.

2 Theoretical framework

2.1 The ΛCDM model and the growth-rate

In this work, we will consider general relativity and a flat ΛCDM universe with an equation
of state of w = −1 for dark energy.

At the background level, the Hubble parameter in a flat ΛCDM model is given by the
first Friedmann equation as usual:

H(a)2 = H2
0

(
Ωm,0a

−3 + 1− Ωm,0

)
, (2.1)

where H0 is the Hubble constant and the matter density Ωm,0 can be related to the scale
factor a by:

Ωm(a) =
Ωm,0a

−3

H(a)2/H2
0

. (2.2)

Also, assuming a flat universe we can calculate the comoving distance D(z) from us to a
redshift z as

D(z) =

∫ z

0

c dz′

H(z′)
, (2.3)

where c is the speed of light and H(z) is Hubble parameter at redshift z calculated via
Eq. (2.1), when neglecting radiation and neutrinos at late times.

On the other hand, observations from the LSS and the cosmic microwave background
(CMB) also suggest the existence of small ∼ O(10−5) perturbations. Thus, we have to work
in the framework of a perturbed FLRW metric as the gravitational instability produced
by density fluctuations plays a crucial role in seeding the structures at large scales. In
the conformal Newtonian gauge, we consider scalar metric perturbations Ψ and Φ, so the
perturbed metric can be written as [27, 28]

ds2 = a(τ)2
[
−(1 + 2Ψ(~x, τ))dτ2 + (1− 2Φ(~x, τ))d~x2

]
, (2.4)

where the potentials depend on the space-time point xµ = (~x, τ), with τ being the conformal
time, while the scale factor a(τ) only depends on the conformal time.

In general, we can assume that the matter component behaves as a perfect fluid and
described by the stress-energy tensor:

Tµν = Pδµν + (ρ+ P )UµUν , (2.5)

where the 4-velocity is Uµ = dxµ√
−ds2 , the total density is ρ = ρ̄ + δρ, the total pressure is

P = P̄ + δP , ρ̄ = ρ̄(τ) and δρ = δρ(~x, τ) and δP = δP (~x, τ) are the density and pressure
perturbations respectively, while P̄ = P̄ (τ) are the background energy density and pressure
quantities. Therefore, the stress-energy tensor components are [29]:

T 0
0 = −(ρ̄+ δρ), (2.6)

T 0
i = (ρ̄+ P̄ )ui, (2.7)

T ij = (P̄ + δP )δij + Σi
j , (2.8)
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where Σi
j ≡ T ij − δij T kk /3 is the anisotropic stress and u = ~̇x. The dot denotes derivative

with respect to τ [30]. Recall that the energy-momentum tensor follows the conservation law
Tµν ;ν = 0, as a consequence of the Bianchi identities [29].

To study the evolution of the perturbed variables, we resort to the perturbed Einstein
equations in k-space [27, 29]:

k2Φ + 3
ȧ

a

(
Φ̇ +

ȧ

a
Ψ

)
= 4πGNa

2δT 0
0 , (2.9)

k2

(
Φ̇ +

ȧ

a
Ψ

)
= 4πGNa

2(ρ̄+ P̄ )θ, (2.10)

Φ̈ +
ȧ

a
(Ψ̇ + 2Φ̇) +

(
2
ä

a
− ȧ2

a2

)
Ψ +

k2

3
(Φ−Ψ) =

4π

3
GNa

2δT ii , (2.11)

k2(Φ−Ψ) = 12πGNa
2(ρ̄+ P̄ )σ, (2.12)

where the fluid velocity is defined via θ = ikju
j and kj is the wavenumber of the perturbations

in Fourier space. We can also rewrite the anisotropic stress as (ρ̄+P̄ )σ ≡ −(−k̂ik̂j− 1
3δij)Σ

ij .

By taking the following approximations: sub-horizon (only the modes in the Hubble
radius are important) and quasi-static (neglect terms with time derivatives), we can simplify
the perturbed Einstein equations. Let us consider the perturbation of the Ricci scalar, and
see how it simplifies with these approximations:

δR = −
12
(
H2 + Ḣ

)
a2

Ψ− 4k2

a2
Φ +

2k2

a2
Ψ− 18H

a2
Φ̇− 6H

a2
Ψ̇− 6Φ̈

a2
,

' −4k2

a2
Φ +

2k2

a2
Ψ,

(2.13)

then, we can find the following expressions for the Newtonian potentials, see [29]:

Ψ(k, a) = −4πGN
a2

k2
µ(k, a)ρ̄mδm, (2.14)

Φ(k, a) = −4πGN
a2

k2
Qeff(k, a)ρ̄mδm, (2.15)

where µ(k, a) ≡ Geff(k, a)/GN is used to denote an evolving Newton’s constant. In GR the
two parameters µ(k, a) and Qeff(k, a) can be shown to be equal to unity, but in modified
gravity theories they are, in general, time and scale dependent [29].

From the context developed before and by using the continuity equations that come
from the conservation of the energy-momentum tensor (via the Bianchi identities), we arrive
to a second-order differential equation that describes the evolution of the matter density
perturbations (in the absence of massive neutrinos), which is valid in the context of most
modified gravity models [31]:

δ′′m(a) +

(
3

a
+
H ′(a)

H(a)

)
δ′m(a)− 3Ωm,0 µ(k, a)

2a5H(a)2/H2
0

δm(a) = 0, (2.16)

for which we assume the initial conditions δm(a� 1) ∼ a and δ′m(a� 1) ∼ 1 at some initial
time in the matter domination era, e.g. a = 10−3.
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In GR and the ΛCDM model (µ = 1), the analytical solution for the growing mode can
be found by directly solving Eq. (2.16) and is given by [32–35]

δm(a) = a · 2F1

(
1

3
, 1;

11

6
; a3

(
1− 1

Ωm,0

))
, (2.17)

where we use the quasi-static and sub-horizon approximations [31] and 2F1 is the Gauss
hypergeometric function expressed as1

2F1(a, b, c, z) =
∞∑
n=0

(a)n(b)n
(c)n

zn

n!
, (2.18)

where (x)n is the rising factorial calculated as

(x)n = x(x+ 1)(x+ 2) · · · (x+ n− 1). (2.19)

With this in mind, we can define several key quantities: the growth rate f , and σ8,
which is the root mean square (RMS) normalization of the matter power spectrum as:

f(a) =
d log δm

d log a
, (2.20)

σ8(a) = σ8,0
δm(a)

δm(1)
, (2.21)

σ2
8,0 =

〈
δm(x)2

〉
. (2.22)

It’s important to mention that in general, we have to correct the data for the Alcock-
Paczynski effect (as different surveys use different fiducial cosmologies) [36–38]. The combi-
nation of the growth rate f(z) and σ8(z) gives rise to a new bias-independent variable fσ8,
that is in fact what is measured by galaxy surveys from redshift space distortions (RSDs):

fσ8(a) = a
δ′m(a)

δm(1)
· σ8,0. (2.23)

This quantity can be directly measured from current and forthcoming galaxy surveys and
several compilations exist in the literature [14, 22, 23]. Thus, if a growth rate measure-
ment has been obtained via a fiducial cosmology H ′(z), then the corresponding fσ8 value is
obtained for the true cosmology H(z) via an AP-like correction [22, 38, 39]:

fσ8(z) ' H(z)DA(z)

H ′(z)D′A(z)
fσ′8(z). (2.24)

Nonetheless, one of the main advantages of the fσ8 growth-rate is that it is a direct
dynamic probe of gravity since, as can be seen from Eq. (2.16), the dependence on the
gravitational theory appears explicitly via the normalized evolving Newton’s constant µ(k, a)
and indirectly via the Hubble parameter H(a). On the other hand, one of its main weaknesses
is also that the measurements, as currently made by the galaxy surveys, suffer from model
dependence (typically assumed to be the ΛCDM model) and by the fact that the modeling
of the non-linear scales is phenomenological [17–21].

1In the scipy python module, the Gauss hypergeometric function 2F1 is implemented as
scipy.special.hyp2fi(a,b,c,z).
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2.2 Error estimates from the Fisher matrix

Here we now briefly summarize the so-called Fisher matrix approach that can be used to
forecast the measurement errors for cosmological observables from forthcoming galaxy surveys
[21, 40–42]. This approach allows us to obtain a typically optimistic estimate of the errors,
assuming some particular specifications for a survey in question.

The first step is to assume a fiducial galaxy survey that is split in Nbins redshift bins,
then the Fisher matrix in every bin i is [21, 40–42]

F bin
αβ (zi) =

1

8π2

∫ 1

−1
dµ

∫ kmax

kmin

k2 dk

[
∂ lnPobs

∂θα

∂ lnPobs

∂θβ

]
Veff(zi, k, µ), (2.25)

where k is the Fourier wavenumber, µ is the cosine of the angle between the line-of-sight and
the wave-vector k, θα is the set of parameters varied in the Fisher matrix (to be specified
below) and

Veff(k, µ; z) = Vs(z)
[ n(z)Pobs(k, µ; z)

n(z)Pobs(k, µ; z) + 1

]2
, (2.26)

is the effective volume of the survey, where Vs(z) is the comoving volume of a region covering
a solid angle between the redshift limits of the bin. The integral over the wave-numbers
k in Eq. (2.25) is done up to a maximum value kmax, chosen such that we remain within
approximately linear scales kmax = 0.25hMpc−1 (our pessimistic scenario) or going slightly
into the non-linear regime kmax = 0.30hMpc−1 (our optimistic scenario). In what follows,
we mainly focus on the pessimistic scenario.

Finally, the observed power spectrum is

Pobs(k, µ; z) =
1

q2
⊥ q‖

[
bσ8(z) + fσ8(z)µ2

]2
1 + [f(z)kµσp]2

Pdw(k, µ; z)

σ2
8(z)

Fz(k, µ; z) + Ps(z), (2.27)

where q⊥, q‖ are the AP projection coefficients, b is the bias, σp is a non-linear parameter
computed from the linear power spectrum, Pdw is the “de-wiggled” power spectrum, Fz
accounts for the smearing of the galaxy density field along the line of sight direction and
finally, Ps(z) is a scale-independent offset due to imperfect removal of shot noise (see Ref. [42]
for more details). In this work we calculate the power spectrum numerically, using the
Boltzmann code CLASS [43, 44].

With these in mind, in order to actually calculate the Fisher matrix we need to eval-
uate the derivatives of the observed power spectrum. Unfortunately, this can only be done
numerically, thus we employ a two-point central difference formula for the derivatives. We
also need to de-wiggle the power spectrum, and to do this we apply a Savitzky-Golay filter
with a window size of 201 and polynomial order equal to 3.2

Of crucial importance is also the choice of the bias function b(z), as this appears in the
bσ8(z) quantity. Here we choose to model the halo bias as

bhalo(z) = A+B eC z, (2.28)

where A = 0.648, B = 0.689 and C = 0.792 are free parameters determined by fitting the
model to the halo catalog. Then, the total Fisher matrix is obtained by summing over all

2In the scipy python module, the Savitzky-Golay filter is implemented as scipy.signal.savgol filter(data,
window length, poly order).
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the redshift bins as:

Fαβ =

Nbins∑
i=1

F bin
αβ (zi). (2.29)

Finally, we should note that compared to other analyses, e.g. that of Refs. [21, 42], we
choose to vary for the Fisher matrix only the cosmological parameters, namely the parameter
set θcosmo = {Ωb,0,Ωm,0, h, ns, ln

(
1010As

)
,
∑
mν}, along with the set of non-cosmological

θnon−cosmo = {σp, Ps}, which are related to the non-linear prescription and the shot noise
(see Ref. [21] for more info). Unlike other analyses, we do not vary with respect to quantities
in each bin, such as the angular diameter distance DA(zi), the Hubble parameter H(zi),
the growth rate fσ8(zi) or bσ8(zi), as all of them already in principle depend on the vector
of cosmological parameters θcosmo. Clearly, by including the aforementioned quantities as
free parameters we would be double-counting the information, as we have already fixed our
fiducial model to be the ΛCDM model. Thus, our final vector of parameters for the Fisher
matrix is θtotal = θcosmo + θnon−cosmo. We also assume that all parameters in our analysis are
constant across all the redshift bins.

Then, after the total Fisher matrix has been determined, we perform an error-propagation
to go from the covariance matrix Cαβ ≡ F−1

αβ of the θtotal parameters to the covariance matrix
of the growth rate values fσ8(zi) in each redshift bin. This is done in practice via:

Cij =
∂fσ8,i

∂θα

∂fσ8,j

∂θβ
Cαβ, (2.30)

where we calculate the transformation matrix J iα ≡
∂fσ8,i
∂θα

numerically as well. Then, the er-
rors of fσ8(zi) in each redshift bin are simply given by the diagonal elements of the covariance
matrix as

σ2
fσ8(zbin,i)

= Cii. (2.31)

We have made extensive comparisons with other analyses, e.g. that of Refs. [21, 42],
and we find that the results of our approach are in excellent agreement, thus we are confident
in the robustness of our methodology.

3 The Quijote simulations

The Quijote simulations, see Ref. [12], are a set of 44100 N-body simulations created via
the TreePM code Gadget-III in boxes of sides of 1 Gpc/h, where h is the reduced Hubble
constant. In this work, we use these simulations to train and test of our CNN.3

The Quijote simulations have 2, 000 realizations which vary the value of cosmological
parameters (Ωm,Ωb, h, ns, σ8), chosen by the Latin-hypercube, and whose limits are set by

Ωm ∈ [0.1, 0.5],

Ωb ∈ [0.03, 0.07],

h ∈ [0.5, 0.9],

ns ∈ [0.8, 1.2],

σ8 ∈ [0.6, 1.0]. (3.1)

3The detailed document of the Quijote simulations can be accessed here. The simulation data can be
accessed through binder, which can be accessed from here.
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Figure 1. The distribution of the fσ8 parameter values for Latin-hypercube realizations of the
Quijote simulations at their corresponding redshifts. Black dots represent the mean value at each
redshift and the dashed curve shows the ΛCDM prediction.

z range z mean relative number nhalo comoving distance box size

[(h−1Gpc)−3] [h−1Mpc] [deg]

[0.5, 1.0] 0.75 2 8.0× 103 1.9× 103 30.2

[1.0, 1.5] 1.25 4 1.6× 104 2.7× 103 20.9

[1.5, 2.0] 1.75 3 1.2× 104 3.4× 103 16.9

[2.0, 3.0] 2.5 1 8.0× 103 4.1× 103 14.0

Table 1. Specifications for the mock simulation. The relative number is the expected number
of halos given our assumed toy observation, which roughly corresponds to the Euclid survey, and
nhalo is the number of halos included in the simulation box after the random draw. We also provide
observation-related quantities, the comoving distance to the mean redshift and subtended angle of
the simulation box placed at the comoving distance.

Each simulation box has 5123 dark matter particles and each realization has 5 snapshots at
redshifts z = [3.0, 2.0, 1.0, 0.5, 0.0]. In Fig. 1, we show the distribution of fσ8 for the
realizations of the simulation and for each redshift.

3.1 The halo catalog

The Quijote simulations have a halo catalog identified by a Friends-Of-Friends (FOF) al-
gorithm, in which each halo has at least 20 dark matter particles. Therefore, the lower
limit of the halo mass is O(1012) - O(1013) [M�/h] (the value varies with the values of the
cosmological parameters).

As a rough approximation, we probe redshifts from 0.5 to 3 spanned in 4 redshift bins,
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where mean redshifts are z = [0.75, 1.25, 1.75, 2.5] for the analysis of the halo distribution.
And then, we assume the redshift halo distribution, that roughly corresponds to the Euclid
survey, and randomly pick up halos such that the redshift distribution matches to the relative
numbers in Table. 1. In this table, the mean of the comoving number density of the halos in
each redshift bin over 2,000 realizations after the picking up is also shown. We also provide a
relation between the box size (= 1 Gpc/h) for each redshift. We can calculate the apparent
angular size of the object whose physical size l at redshift z as

θ [rad] = 2 arctan

(
l/a

2D(z)

)
, (3.2)

where a = 1/(1 + z) is the scale factor.

3.2 Data for Machine Learning

The architecture of our CNN will be discussed in Sec. 4.1. For the training part, we use the
dark matter or halo distribution and we build images for our CNN as follows: first, we define
the 403 grids in a simulation box, while this size of a grid corresponds to k = 0.25 h−1Mpc in
Fourier space, and then we redistribute dark matter particles or halos to the cells by Nearest
Gridding Point. As a result, we get the 3D images whose size is 403 and each voxel value is
the density of dark matter or halo in each cell.

And then, for comparison, we train and test a neural network (NN) by the Legendre
expanded power spectrum Pl(k), which is the two-point statistics in the redshift-space defined
as

P (k, µ) =
∑
l

Pl(k)Ll(µ)(2l + 1)

Pl(k) =
1

2

∫ 1

−1
P (k, µ)Ll(µ)dµ, (3.3)

where P (k, µ) is the power spectrum in real space, µ is the cosine of the angle between the
line of sight and the vector of wave number, and Ll(µ) is the Legendre polynomial. In this
work, we use the expansion coefficient P0(k), P2(k), and P4(k) which are already calculated
for the dark matter distribution in the simulations we introduce and are available publicly.
As the input to our NN, we use the P0(k), P2(k), and P4(k) for k ≤ 0.25.

The Quijote simulations have 2000 realizations, so we use 1500 simulations as training
data, 100 as validation data, and 400 as test data for both CNN and NN.

4 Machine learning based cosmological parameter inference

In this section, we describe the ML approach to extract cosmological parameters from images
of the density field or the measured power spectra using the Quijote simulation. We first
provide a basic structure of the ML architecture which is specifically optimized for image
analysis and power spectrum analysis. We then show results in comparison with various
different methodologies. Given the available dataset, we have established a set of comparison
ladder : i.e. we first compare the result of CNN on dark matter density field images to those
on the halo density field images (Sec. 4.2). This will directly compare the ability to constrain
fσ8 between dark matter and halo. We then compare the result of CNN on dark matter with
ML-based dark matter power spectrum result (Sec. 4.3). This enables us to isolate the extra
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Figure 2. Here we show an overview of our work, highlighting the various comparisons between the
different reconstruction methods. PS stands for the power spectrum, ML for machine learning, and
CNN for convolutional neural network.

DM halo (all) halo DM DM halo

CNN CNN CNN PS-ML PS-Fisher PS-Fisher

z = 0.75 3.8 3.9 4.5 2.3 1.4 0.42

1.25 2.3 2.2 2.5 2.0 1.7 0.63

1.75 1.2 1.1 1.7 2.7 1.7 0.67

2.5 0.74 1.2 1.2 2.9 1.5 0.61

(×10−2)

Table 2. The predicted errors on the fσ8 quantity as derived by different methods. The first row
shows the target of each analysis, i.e. DM (halo) means the analysis of the dark matter (halo)
distribution, and halo (all) means we use the images including all halos. The second row shows the
method of the analysis and each name corresponds to the one in Fig. 2. Every line from the third to
sixth corresponds to each redshift from 0.75 to 2.5, and the components in this table show the values
of the error divided by 10−2 for each method.

information content of the image which is not included in the power spectrum. Finally, we
compare the ML-based dark matter power spectrum result with the Fisher matrix analysis
(Sec. 4.4) or the conventional likelihood inference (Sec. 5) to see the advantages of the ML
approach in terms of the constraining accuracy on fσ8 as well as the possible systematic
biases on the measurement.

The whole comparison ladder between the different methods is summarized in Fig. 2,
while the predicted errors on the fσ8 quantity as derived by different methods are then given
in Table 2. In what follows, we proceed to discuss in detail how the analysis is performed for
each method and how we perform the measurements in each case.

4.1 ML architecture

In this work, we use the 3-dimensional CNN for the analysis of the images and a NN for the
power spectrum. We used the publicly available platform PyTorch [45] to construct our CNN
and NN and the architecture based on Ref. [46], however, note that some hyperparameters
are different from those of that work, as the size of input data is different. In Table 3 and
Table 4, we show the architecture of our CNN, while it should be noted that for the activation
function, we apply the ReLU after each convolution layer and FullyConnected layer except
for the last layer. Also, our CNN predicts the value of fσ8(z) from the 40 × 40 × 40 image
of dark matter or halo distribution introduced in Sec. 3.2.
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Layer Output map size

1 Input 40× 40× 40× 1

2 3× 3× 3 convolution 38× 38× 38× 2

3 BatchNorm3d 38× 38× 38× 2

4 2× 2× 2 MaxPool 19× 19× 19× 2

5 2× 2× 2 convolution 18× 18× 18× 64

6 BatchNorm3D 18× 18× 18× 64

7 2× 2× 2 MaxPool 9× 9× 9× 64

8 3× 3× 3 convolution 7× 7× 7× 64

9 3× 3× 3 convolution 5× 5× 5× 64

10 2× 2× 2 convolution 4× 4× 4× 128

11 BatchNorm3d 4× 4× 4× 128

12 Flatten 8192(= 43 × 128)

13 FullyConnected 512

14 FullyConnected 256

15 FullyConnected 1

Table 3. Our CNN architecture. In all convolutional layers, stride = 1 and padding is not applied.
Output map size corresponds to (height, width, depth, and channel). After each convolution layer
and FullyConnected layer except for the last layer, we apply the ReLU as the activation function.
The total number of trainable parameters is 5,345,341.

Layer Output size

1 Input 3× 39

2 FullyConnected 512

3 FullyConnected 512

4 FullyConnected 512

5 FullyConnected 512

6 FullyConnected 1

Table 4. Our neural network architecture. After each FullyConnected layer except for the last layer,
we apply the dropout layer with rates of 0.1. The total number of trainable parameters is 848, 897.

Here we also use the mini-batch learning and when we choose Nb as the batch size, we
randomly divide the training data into groups, and each group has Nb training data. This
group is called a mini-batch and then, the average value of the loss function in the mini-batch
is used to update the trainable parameters. With trial and error, we determined that the
optimal batch size is 16, note however that if we make the batch size unity (online learning),
the loss value does not converge because we use batch normalization in our CNN.

As our main loss function we use the Mean Squared Error (MSE)

L =
1

Nb

Nb∑
i=1

(yi − ŷi)2, (4.1)
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where Nb is the batch size, yi is the predicted value of fσ8 from our CNN for the i-th data
in the mini-batch data, and ŷi is the ground-truth value, i.e. the correct fσ8 value.

In updating the trainable parameters, we use the Adam optimizer, which is defined as
torch.optim.Adam() in Pytorch. We use 5×10−7 and 0.1 as the value of lr and weight decay
which are the arguments of torch.optim.Adam(), respectively. The batch normalization is
used in our CNN as we have found that this improves the efficiency of the learning. This is
defined as torch.nn.BatchNorm3d() in PyTorch and we use the default values for all param-
eters.

And then, our NN predicts the value of fσ8 from the Legendre expanded power spec-
trum. We use the P0(k), P2(k), and P4(k) for k ≤ 0.25, so the size of input data to our NN
is 3 (P0, P2, and P4)× 39 (the number of k-bins). Furthermore, we apply the dropout layer
with the rate of 0.1 after each Fully Connected layer, except for 6th layer, see Table 4.

Finally, as the loss function and the optimizer of the trainable parameters, we use the
MSE and the Adam optimizer where lr= 5 × 10−6 and weight decay= 0. In addition, we
apply Nb = 16 as the batch-size in training.

4.2 CNN results on dark matter and halo

In this subsection, we compare the results from our CNN for the images of dark matter
distribution and the halo distribution.

In the training part, we train our CNN over 100 epochs, where an epoch means the
number of times our CNN trained by all training data. And then, in the test phase, we use
the CNN model which minimizes the value of the loss function for the validation data.

In this work, the errors are estimated by the standard deviation of the vector of ∆fσ8,i =
(ypred,i − ytrue,i), where ypred,i and ytrue,i are the CNN prediction and the ground truth for
the i-th test data, respectively.

The validity of this estimation is confirmed as follows.

• We make a 30× 30 grid of parameters for Ωm ∈ [0.1, 0.5] and σ8 ∈ [0.6, 1.0].

• For each redshift, we evaluate the fσ8 in the whole grid and then, we pick 400 grid
points (this is the same number of the test data for our CNN) from them.

• We make the fake CNN predictions based on Gaussian with error σ.

• We compare the predicted error from the standard deviation of ∆fσ8,i vector with
fiducial error.

Figures 3 and 5 show the relation between true and predicted fσ8 and ∆fσ8 for our
CNN results for dark matter (blue) and halo (orange) images, respectively. For comparison
purposes, here we use all halos in making images without throwing away halos. The horizontal
axis corresponds to ∆fσ8, and the vertical axis shows the number of test images for each
∆fσ8. By comparing the results for dark matter images and halo images, we find that the
errors are mostly comparable for all redshift bins, while the results for the dark matter images
are better for z = 2.5.

For both dark matter and halo images, we find that the error decreases when the redshift
becomes larger. It is one of the possibilities that the non-linearities make it more difficult
to extract the information from the matter distribution at the low redshift. At z = 2.5, the
error for the halo images is larger than the one for the dark matter and comparable to the
one for z = 1.75 halo images. We can consider that it is caused by the shot noise because
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Figure 3. The results of our CNN for dark matter images (blue) and halo images, including all halo
(orange) for each redshift. The horizontal axis shows the true value of fσ8, and the vertical axis shows
the predicted value of fσ8 by our CNN.

the halo number in the simulation at z = 2.5 is less than one-tenth of the other redshift in
using all halos.

Next, we investigate the effect of the random selection of the halos. Instead of the
images including all halos, we reduce the number of halos so that its redshift distribution
follows realistic observation (the ratio is shown in Table 1) and use them to train and test our
CNN, and the results are shown in Fig. 4. Even when we use only randomly selected halos,
we can see the redshift dependence of the error in the same as the all-halo case. The errors
of the selected-halo case are larger than the ones for all halos, but this is reasonable because
the images of the selected halos lose the information compared to the images including all
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Figure 4. The histograms of the CNN prediction for dark matter images (blue) and halo images
(orange) for each redshift bin. The horizontal axis corresponds to the value of ∆fσ8 predicted by our
CNN, and the vertical axis shows the number of test images for each ∆fσ8. The error bars show the
standard deviation of ∆fσ8, and its value is shown in the legend.

halos.
We additionally performed some tests in the CNN architecture by exploring different

loss functions in order to corroborate our results. We studied the CNN behavior with MSE
Loss, MAE (Mean Squared Error) Loss, Hubber Loss, and the moments network Loss (LFI)
[47, 48]. The MSE Loss calculates the mean squared error between the CNN estimates,
and the true values and is set up to find an approximation of the marginal posterior mean.
The advantage of LFI with respect to the other loss functions is that it achieves a better
convergence between the CNN output and both: the mean µi and standard deviation σi of
the marginal posterior parameters θi,j . According to the mentioned arguments, LFI Loss is
defined by [49]:

LLFI =
6∑
i=1

log

 ∑
j∈ batch

(θi,j − µi,j)2

+
6∑
i=1

log

 ∑
j∈ batch

(
(θi,j − µi,j)2 − σ2

i,j

)2

 . (4.2)

As a matter of interest, we found a similar outcome with all the considered Loss functions
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Figure 5. The results of our CNN for images including all halos (orange) and randomly selected
halos (brown) for each redshift bin. The horizontal axis corresponds to the value of ∆fσ8 predicted
by our CNN and the vertical axis shows the number of the test images for each ∆fσ8. The error bars
show the standard deviation of ∆fσ8 and its value is shown in the legend.

- an error decrease for larger redshifts. It is worth mentioning that LFI performs better, as
expected. In Table 5 we show the results only for the MSE and LFI Loss functions for
simplicity, where we see that the LFI indeed improves the error estimates compared to the
previously considered MSE Loss function.

z MSE Loss LFi Loss

0.75 3.2 1.8

1.25 2.3 1.5

1.75 1.1 0.9

2.5 1.2 1.0

(×10−2)

Table 5. Predicted errors for each redshift snapshot using Mean Squared Error (MSE) Loss and the
moments networks Loss (LFI) Functions in the CNN architecture.
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4.3 ML-based power spectrum analysis on dark matter
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Figure 6. The results of our CNN for dark matter images (blue) and PS-ML (green) for each
redshift bin. The horizontal axis correspond to the value of ∆fσ8 predicted by our CNN and PS-ML,
and the vertical axis shows the number of the test images for each ∆fσ8. The error bars show the
standard deviation of ∆fσ8 and it’s value is shown in the legend.

Now we compare the results for the ML-based power spectrum (PS-ML) analysis with
the one from our CNN for dark matter. In this subsection, we use the NN whose architecture
is shown in Table 4 for the power spectrum analysis. In training, we train our NN over 3,000
epochs. And then, in the test, we use the NN model which minimizes the value of the loss
function for the validation data. The method of the estimation of the error is the same as
the one for our CNN in Sec. 4.2.

In Fig. 6 we compare the results obtained by dark matter images (blue, same as the
one in Fig. 5) and PS-ML (green). At the lowest redshift, the error by the CNN analysis is
larger than the one by PS-ML. We also find that the errors by PS-ML do not largely depend
on redshift, unlike the CNN analysis. So at higher redshifts (z > 1.75), our CNN can predict
fσ8 more precisely.
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Figure 7. The results of PS-ML (green, same as Figure 6) for each redshift, plotted togather with
the errors from the Fisher analysis for the power spectrum of dark matter (red) and the one of halo
(gray-shaded). The horizontal axis corresponds to the value of ∆fσ8 predicted, and the vertical axis
shows the number of the test images for each ∆fσ8.

4.4 Comparison with a Fisher analysis

In this subsection, we compare the results for the ML-based power spectrum analysis in
Sec. 4.3 and the Fisher analysis described in Sec. 2.2. The results are shown in Fig. 7. Here,
the errors of the Fisher analysis for halo are computed by using the bias shown in equation
(2.28), and the one for dark matter is calculated for b = 1.

For the analysis of dark matter distribution, both of the errors calculated by the ML-
based and Fisher analysis do not largely depend on redshift. In addition, the errors from the
Fisher analysis is smaller than the one from the ML-based analysis. This means there is a
possibility that PS-ML does not access all the information included in power spectra, and
there is room for improvement on our NN architecture.

In Fig. 7, the gray-shaded region shows the errors from the Fisher analysis for halo
distribution and this error is smaller than the one for dark matter. This could be because
the shot noise affects the analysis. As we can find from the halo bias Eq. (2.28), the amplitude
of the halo power spectrum is larger than the one for dark matter. Therefore, the effect of
the shot noise on the halo analysis is smaller relative to the dark matter analysis.
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4.5 Effect of the random seed

Finally, we discuss the effect of the random initial conditions. So far, we have used the set
of Latin-hypercube Quijote simulations, and these simulations have different random seeds
for the initial conditions. Therefore, the difference in these simulations is caused by the
difference in both its cosmological parameters and its initial condition. To discuss the effect
of the latter, we use another dataset of Quijote simulations. The Quijote simulations have
15,000 realizations as ‘Fid’ simulations for the same cosmological parameter set and different
random seeds for their initial conditions.

First, we pick up 400 realizations randomly from the ‘Fid’ simulation dataset and make
the 3D images of halo distribution from these data following Sec. 3.2. And then, we test our
CNN model for halo images, trained in Sec. 4.2, using the images from the ‘Fid’ simulations.
By doing this, we can see the error only from random initial conditions. As a result, we find
that the error for ‘Fid’ realizations is about 0.005 regardless of the redshift. This is about
one-fifth of the error in the results in the previous subsections, which includes both effects
from the cosmological parameters and the initial condition. Therefore, we conclude the error
in our analysis is dominated by the difference in the cosmological parameters.

5 Comparison to the conventional likelihood inference

Here we compare the results from the CNN and ML-based power spectrum analysis to the
likelihood-based parameter inference, which is widely adopted in the literature. To avoid any
uncertainty in the theoretical model, we use the set of Latin-hypercube Quijote simulation
outputs as a well-calibrated model. We first measure the covariance matrix from 15,000
realizations for the fiducial cosmological parameter set. Also, we consider the power spectrum
averaged over 15,000 realizations as the observed data, where the fluctuations caused by the
cosmic variance are eliminated. In a practical situation, the data include the cosmic variance
uncertainty and but the model does not. However, given the available dataset of Quijote
simulations, we include the cosmic variance uncertainty in the model.

Given the magnitude of the covariance errors, which corresponds to the 1 [h−1Gpc]3

survey volume, we find that the sampling rate of the Latin-hypercube simulations is too
sparse to correctly sample the cosmological parameter. Therefore, we linearly interpolate
the power spectra in the 6 dimension cosmological parameters, namely the 5 parameters
listed in the Eqs. (3.1) and fσ8(z). To test the interpolation accuracy, we first generate the
interpolation table using 1,600 random samples from Latin-hypercube simulations and then
compare the interpolated power spectra at the locations of the rest of 400 sets of cosmological
parameters. We find that the interpolated power spectra recover the measured power spectra
within ∼10% accuracy including the cosmic variance at all scales k < 0.4Mpc−1h.

Using those well-reproduced interpolated model, we find the best-fitting parameters in
the parameter vector of {Ωm, h, ns, σ8, fσ8}, using a Markov Chain Monte Carlo (MCMC)
analysis, with the publicly available code, emcee. In Fig. 8 we show the obtained one dimen-
sional likelihood marginalized over other parameters. The best-fitting value of fσ8 is slightly
higher than the fiducial value, but it is well within the 1σ region. Also, the measured error
is slightly smaller than the Fisher matrix prediction in Sec. 4.4.
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Figure 8. Bound on the fσ8 parameter from a MCMC analysis. The black vertical line shows the
best-fitting value and the black shaded region is the 1σ range, while red dashed vertical line shows
the fiducial value of the simulation and the red shaded region is a prediction from the Fisher analysis.

6 Discussions and conclusions

The growth-rate of matter density perturbations, described by the bias-independent fσ8(z)
quantity, is an important quantity in the study of the large scale structure of the Universe,
as it allows us to probe the dynamic features of gravity. However, in order to extract fσ8(z)
from observations made by galaxy surveys two key assumptions have to be made: i) a fidu-
cial cosmological model and ii) the modeling of the non-linear part of the power spectrum.
From these two assumptions, the latter is particularly insidious as currently only purely
phenomenological models exist in the literature, thus potential biasing the measurements of
fσ8(z) in ways that are not easy to correct a posteriori.

In this work we use a particular ML approach based on training CNNs on the N-body
simulations in order to extract fσ8(z) from galaxy surveys without having to assume any
particular modelling of the non-linearities of the power spectrum. In a sense we perform a
likelihood-free extraction of the growth rate by taking advantage of the ability of the neural
network architecture to predict the growth fσ8(z) from images of the dark matter or halo
distributions as discussed in Sec. 4.1.

Specifically, in our work we followed a multi-pronged approach in order to find the
optimal way to extract the growth via a ML architecture. Also, in order to validate our
approach we performed a standard Fisher matrix analysis by assuming an ideal and fiducial
survey motivated by the Quijote simulations, i.e. having the same number of redshifts bins
and covering an area in the sky corresponding to the angle subtended by a box of the
simulations.

We summarize our overall approach in Fig. 2, while the main results and comparisons

– 19 –



between the various approaches are shown in Figs. 3, 4, 5, 6 and 7, where we showed scatter
plots and histograms comparing the CNN dark matter and halo reconstructions, the CNN
dark matter and PS-ML reconstructions and finally, the PS-ML and Fisher matrix approach.
The predicted errors from all approaches are also shown in Table 2.

Overall, as can be seen in the aforementioned figures and Table 2, we find that the
ML-architecture can predict quite accurately the value of the growth rate fσ8(z), while the
reconstructed errors from the CNN are comparable within a factor of order unity between
the different ML approaches based on the DM or halo catalogs.

When comparing the ML results to the Fisher matrix approach for a fiducial survey
based on specifications inspired from the Quijote simulations, we find that the Fisher results
for the errors are quite optimistic. Specifically, we found a factor of reduction of two for low
redshifts compared to the CNN DM results and a factor of two to ten for the halo results.
The latter result could be due to the fact that the Fisher in this case integrates over many
more Fourier modes of the perturbations, thus has more information, which in principle might
not be accessible to the CNN. Also, in the case of the Fisher matrix approach we observe
no reduction in the errors with increasing errors, instead the errors seem to track well the
assumed redshift distribution of the ideal survey sample.

One plausible reason for the redshift trend of the CNN results and the deviation from the
Fisher results, might be that at low redshifts the enhanced non-linearities might introduce
more scatter in the observed by the CNN values of fσ8, something which might not be
captured correctly by the Fisher matrix approach which uses a phenomenological approach
for the non-linearities. Instead the Fisher matrix approach errors seem to follow the redshift
distribution of objects for the ideal survey sample and ignore the more complicated non-linear
regime at low redshifts.

So, in order to investigate the differences from the Fisher matrix approach and the
observed redshift trend for the DM and Halo CNN results, we performed several tests. First,
we examined the effect of the random selection of the halos, by making images that have a
part of halos to reproduce the relative number shown in Table 1 and then used them to train
and test our CNN. Doing so we found the same redshift dependence of the error as in the
previous case. Second, we also explored different loss functions, including the MSE, MAE,
Hubber Loss and LFI loss functions. Overall, we found a similar decrease in the error with
redshift, but the LFI function displays an improvement in the error estimates with respect to
the MSE loss function. Third, we investigated the effect of the random initial conditions by
using another dataset of Quijote simulations. Doing so we find that the error contribution is
only one-fifth of the total error, thus we conclude that the error in our analysis is dominated
by the difference in the cosmological parameters.

We leave for future work the extension of this analysis to models beyond the ΛCDM
model, i.e. to eliminate the first assumption of current growth measurements as mentioned
earlier since that requires N-body simulations for modified gravity. Also, we leave for future
work a more detailed comparison between the CNN and the Fisher matrix approach, as it
would require significant theoretical modifications on the non-linear part for the latter, and
more tests on the CNN architecture to investigate the effect on low redshifts.

Finally, given that in a few years the forthcoming galaxy surveys will provide a plethora
of high-quality data related to the large-scale structure of the Universe, novel ways to anal-
yse these data will be required in order to minimize the theoretical errors emanating from
assumptions, just as the non-linear modeling at small scales. Here we provided the first step
in this direction, but more work will be required to bridge the gap between the theory and
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the actual data.
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Abstract

The optical spectrum of WR 138 exhibits emission lines typical of a WN6o star and absorption lines from a rapidly-rotating OB
star. Using a large set of spectroscopic data, we establish a new orbital solution of the WN6o star based on the radial velocities of
highly-ionized nitrogen lines. We show that the WN6o star moves on a 4.3 yr orbit with a comparatively low eccentricity of 0.16.
The radial velocities of the OB star display considerable scatter. Our best estimates of the velocities of He i absorption lines result
in a mass-ratio of mWN6o/mOB = 0.53 ± 0.09. We disentangle the spectra of the two stars and derive a projected rotational velocity
of v sin i = 350 ± 10 km s−1 for the OB star. Our best orbital parameters, combined with the Gaia parallax of WR 138, are at odds
with a previous interferometric detection of the companion, suggesting that there is either a bias in this detection or that WR 138 is
actually a triple system.

Keywords: Stars: early-type, Stars: Wolf-Rayet, Stars: massive, Stars: individual: WR 138

1. Introduction

There is consensus that classical Wolf-Rayet (WR) stars are
evolved descendants of massive OB-type stars that have lost
their outer hydrogen-rich layers (Crowther, 2007). How exactly
this evolution proceeds is not clear though: both wind mass-loss
and binary interaction could lead to the formation of WR stars.
The incidence of known binaries among Galactic WR stars led
to the suggestion that ≥ 70% of their progenitor O-type stars
are in binary systems that are close enough to enable a Roche
lobe overflow (RLOF) interaction over their lifetime (Vanbev-
eren et al., 1998). Over the last two decades, intensive studies
of O stars indeed revealed that the majority of them are part
of binary or higher multiplicity systems (Sana et al., 2012, and
references therein). The mass and angular momentum transfers
that occur during a RLOF interaction can result in a significant
spin-up of the mass gainer (Packet, 1981). In WR + O binaries
that have evolved through binary interaction, the O star should
thus be a rapid rotator. This expectation was confirmed obser-
vationally for a sample of eleven WR + O systems (Shara et
al., 2017), though the rotation rates were found to be signifi-
cantly subcritical (Vanbeveren et al., 2018). Probably one of
the most extreme cases to investigate in this context is WR 138
(= HD 193 077), the target of the present study.

Although the presence of absorption lines in the spectrum
of WR 138 was recognized a long time ago (Hiltner, 1945),
the multiplicity of this star has been an open issue for many
years. Massey (1980) found no evidence for an orbital motion
of the emission lines with an amplitude larger than 30 km s−1

and for periods of less than six months. He accordingly sug-
gested that the broad absorption lines, for which he estimated
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v sin i ' 500 km s−1, would be intrinsic to the WN star. Using a
more extensive series of photographic spectra, Lamontagne et
al. (1982) noted low-amplitude radial velocity (RV) variations
of the N iv λ 4058 emission line on periods of 2.3238 days and
either of 1763 or 1533 days. Yet, the short period variations
were seen neither in the He ii λ 4686 emission line nor in the
absorption lines. Instead, the RVs of the He ii λ 4686 emission
were seen to vary on the same long period as those of the N iv
λ 4058 line, and the absorption line RVs were found to vary in
antiphase also on that period. Lamontagne et al. (1982) there-
fore classified WR 138 as a triple system consisting of a WN6
star orbited every 2.32 days by an unseen companion, which
they tentatively proposed to be a neutron star, and an O-type star
on a much wider orbit. The existence of the 2.32 day cycle was
not confirmed in subsequent RV studies (Annuk, 1990; Palate et
al., 2013). Moreover, WR 138 does not display the strong and
hard X-ray emission one would expect from a neutron star in
close orbit to a WN star. Instead, the X-ray emission was found
to be typical of wide WR + OB colliding wind binaries (Palate
et al., 2013). The most recent orbital solution of the WN star
was published by Annuk (1990), who inferred an orbital period
of 1538 ± 14 days, a RV amplitude of K ∼ 30 km s−1 and an
eccentricity of e ∼ 0.3. Yet, different emission lines led to dif-
ferent values of K and e, and Annuk (1990) could not measure
the RVs of the absorption lines. Further information regarding
the multiplicity of WR 138 was gathered via H-band CHARA
interferometry that allowed to resolve the star into two objects
separated by 12.4 mas (Richardson et al., 2016). Richardson
et al. (2016) thus suggested that WR 138 might have evolved
through a previous mass-transfer episode that created the WR
star and led to a spin-up of the O-type star.

In the present work, we revisit the orbit of WR 138, using
a large set of optical spectra collected over twelve years. The
data used in our study are described in Sect. 2. The analysis of
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the spectroscopic and photometric data are presented in Sects. 3
and 4 respectively. The implications of our results are finally
discussed in Sect. 5, and our conclusions are given in Sect. 6.

2. Observations

Between 2011 and 2022, we observed WR 138 with the
Aurélie spectrograph (Gillet et al., 1994) at the 1.52 m telescope
of the Observatoire de Haute Provence (OHP) in France. Data
were collected once per year (except in 2014, 2015 and 2021)
in the framework of observing runs lasting for six nights each.
Different gratings and different wavelength domains were used.
The data from 2011 and 2012 were previously used in the work
of Palate et al. (2013). The most frequently covered wavelength
domain extends from 4448 to 4886 Å and was observed at a re-
solving power of ' 10000. Until 2018, the detector was an
EEV CCD with 2048 × 1024 pixels. From 2019 on, it was re-
placed by an Andor CCD camera with 2048 × 512 pixels. Both
CCDs had pixel sizes of 13.5 µm squared. Typical integration
times of individual exposures were 30 min. The Aurélie spectra
were reduced using version 17FEBpl 1.2 of the midas software
developed at ESO.

Since 2016, we monitored WR 138 more regularly with the
fully robotic 1.2 m TIGRE telescope (Schmitt et al., 2014;
González-Perez et al., 2022) located at La Luz Observatory near
Guanajuato (Mexico). TIGRE collects echelle spectra with the
refurbished HEROS spectrograph (Kaufer, 1998; Schmitt et al.,
2014; González-Perez et al., 2022) which provides a spectral
resolving power of 20 000 over the optical range from 3760
– 8700 Å, except for a small gap between 5660 and 5770 Å.
Individual integration times were typically 1 hour. The data
were reduced with the HEROS reduction pipeline (Mittag et
al., 2011; Schmitt et al., 2014).

High-precision space-borne photometry of WR 138 was col-
lected with the Transiting Exoplanet Survey Satellite (TESS,
Ricker et al., 2015) during sectors 14 (18 July - 15 August
2019), 15 (15 August - 11 September 2019), 41 (23 July - 20
August 2021), and 55 (5 August - 1 September 2022). All ob-
servations were taken with TESS camera 1, except for the last
sector, where WR 138 was observed with camera 3. For sectors
14 and 15 the data were obtained at a cadence of one observa-
tion every 30 min, whilst it was one observation every 10 min
for sectors 41 and 55. We retrieved the corresponding full
frame images from the Mikulski Archive for Space Telescopes
(MAST) portal3, and extracted aperture photometry light curves
with the Lightkurve4 software. The background correction
was done using either the median flux of the background pix-
els (defined as pixels with flux values below the median of a
50 × 50 pixels cut-out) or performing a principal component
analysis (PCA) with five components. Both methods yield very
similar results. In the following we focus on the light curve
obtained via the PCA background correction. The stellar fluxes

3http://mast.stsci.edu/
4https://docs.lightkurve.org

corrected for the background were finally converted into magni-
tudes and the mean magnitude of the corresponding sector was
subtracted.

3. Radial velocities

The optical spectrum of WR 138 features many strong and
broad emission lines, typical of a WN6o star, where the ’o’ tag
indicates the absence of H in the spectrum (Smith et al., 1996;
Crowther & Walborn, 2011). Previously, WR 138 was classi-
fied as WN5o + B? by Smith et al. (1996), WN6 + O9-9.5 I-
II by Annuk (1990), WN6o by Crowther & Walborn (2011),
and WN5o + O9 V by Richardson et al. (2016). The rela-
tive strengths of the N iii, N iv and N v lines clearly position
WR 138 at the boundary between the WN5 and WN6 spec-
tral types. Hereafter, we will adopt the WN6o classification for
the Wolf-Rayet star, following the revised classification criteria
of Crowther & Walborn (2011). In addition to these emission
lines, the spectrum displays broad He i absorption lines that are
not P-Cygni absorption troughs and are attributed to the OB
star.

3.1. The orbit of the WN6o star

The majority of the emission lines are either blends of dif-
ferent ions (e.g. the N v λ 4620 line that is blended with the
N iii λλ 4634 - 42 complex) or occasionally display a complex
morphology of their peak (e.g. He ii λλ 4542, 4686, 5412) thus
making them less suitable for RV measurements. Indeed, as
for many Wolf-Rayet stars, the broad emission lines of WR 138
display variable subpeaks (Lépine & Moffat, 1999; Palate et al.,
2013) that could actually affect the determination of the RV of
the WN star. Ideally, we aim at measuring the RVs of lines from
ions with a high ionization potential as they should arise deeper
within the wind (Herald et al., 2000), thereby better reflecting
the true RV variations of the WN6o star. Moreover, these N iv
and N v lines were empirically found to display the smallest
scatter in high-cadence observations of WR 138 (Dsilva et al.,
2022), suggesting that they are less affected by the wind inho-
mogeneities that strongly impact the profiles of He ii emission
lines (Lépine & Moffat, 1999). In some WR + OB binaries, ad-
ditional emission can arise from the radiatively cooling material
in the post-shock region of the colliding wind interaction zone.
Such an extra emission component could distort the line profile
and bias the RV determination. The X-ray spectrum of WR 138
indeed suggests the presence of a wind interaction (Palate et al.,
2013). Considering the wind parameters inferred by Richard-
son et al. (2016) and the orbital parameters from our orbital so-
lution below, we can estimate a cooling parameter χ = 3.0/ sin i
for the shocked wind of the WN star at periastron (i.e., at the
orbital phase when cooling should be most efficient). This χ pa-
rameter provides the ratio between the cooling time and the es-
cape time from the shock region (Stevens et al., 1992). A value
larger than 1 implies an adiabatic interaction zone, where ra-
diative cooling does not play a significant role. We thus expect
very little extra optical line emission from the wind interaction
zone in WR 138.
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Table 1: RVs of WR 138 as measured on our data. In the last column, ’A’ stands
for the mean RVs obtained during a six-night OHP 1.52 m + Aurélie observing
run, ’T’ indicates spectra taken with TIGRE + HEROS.

HJD-2450000 RVWN RVOB Instrument
5827.801 −30.5 ± 5.9 43.8 ± 13.6 A
6093.979 33.1 ± 7.1 −27.3 ± 8.8 A
6457.929 37.4 ± 6.5 −32.6 ± 9.2 A
7508.938 −9.2 ± 15.7 −5.0 ± 6.8 T
7550.972 19.1 ± 3.1 −15.1 ± 9.3 A
7842.971 26.9 ± 6.5 −18.1 ± 2.6 T
7890.918 22.4 ± 10.1 −10.0 ± 18.1 T
7927.850 29.8 ± 8.2 −33.5 ± 26.0 T
8004.808 26.0 ± 5.1 −37.8 ± 6.1 A
8016.667 20.3 ± 5.1 −7.8 ± 16.6 T
8053.570 17.7 ± 2.2 3.2 ± 29.7 T
8209.934 4.7 ± 11.9 −6.6 ± 8.1 T
8240.945 −2.3 ± 7.9 −0.7 ± 6.2 T
8262.938 2.4 ± 5.9 −14.9 ± 14.6 T
8303.918 −0.7 ± 6.4 −3.4 ± 13.9 T
8354.926 −13.5 ± 4.5 −13.7 ± 7.3 A
8574.933 −32.4 ± 4.9 51.0 ± 8.9 T
8604.943 −44.5 ± 11.9 12.1 ± 13.1 T
8644.856 −40.4 ± 2.3 23.1 ± 17.6 T
8648.834 −43.1 ± 8.4 16.8 ± 14.3 T
8675.917 −48.8 ± 8.4 12.8 ± 28.3 T
8705.800 −47.3 ± 10.8 5.3 ± 1.9 T
8719.840 −40.1 ± 10.2 15.9 ± 5.9 A
8738.705 −45.5 ± 9.1 15.7 ± 15.8 T
8767.600 −42.8 ± 5.4 14.9 ± 22.9 T
8810.572 −37.9 ± 3.9 17.1 ± 19.9 T
8941.952 −16.7 ± 7.4 19.2 ± 5.7 T
8980.924 −16.6 ± 7.6 20.7 ± 7.7 T
9035.846 5.2 ± 7.2 −16.1 ± 5.4 T
9096.661 16.0 ± 10.6 −12.3 ± 12.9 T
9127.640 5.9 ± 8.5 −9.7 ± 12.6 T
9143.590 39.0 ± 14.9 −9.3 ± 15.0 T
9174.573 20.7 ± 13.6 16.4 ± 3.5 T
9307.949 36.3 ± 8.0 −38.7 ± 13.1 T
9443.683 33.7 ± 14.5 −5.1 ± 5.8 T
9499.587 36.9 ± 4.7 −0.5 ± 6.6 T
9524.594 29.0 ± 5.3 −10.0 ± 8.2 T
9670.956 22.6 ± 9.6 −16.6 ± 7.5 T
9686.893 15.9 ± 9.9 0.3 ± 12.6 T
9687.887 25.9 ± 7.8 8.2 ± 12.6 T
9689.957 36.1 ± 3.4 13.3 ± 12.6 T
9691.963 18.9 ± 8.0 −9.7 ± 12.6 T
9693.887 32.3 ± 2.6 −11.6 ± 12.6 T
9853.787 −8.7 ± 5.5 −5.2 ± 4.2 A

10043.958 −22.5 ± 11.7 5.9 ± 3.0 T

Figure 1: Fourier spectrum of the RVWN time series (top) and spectral window
of the data (bottom). The insert in the top frame provides a zoom on the low
frequency part of the spectrum.

To determine the RVs of the WN6o star, we thus selected
several relatively isolated lines of highly-ionized nitrogen: N iv
λλ 4058, 5204, 7103 - 7129, and N v λλ 4604, 4945. The
N iv λλ 7103 - 7129 feature is a complex multiplet but shows
a well-defined peak near λ 7117, thus making it suitable for
RV measurements. The N v λ 4604 line is part of a doublet
together with N v λ 4620. However, since the latter component
is severely blended with the N iii λλ 4634 - 42 complex, only
the N v λ 4604 could be measured. We determined the line cen-
troids of these five emissions on the TIGRE data using Gaussian
fits to the entire line profile. For each line, we then subtracted
the mean RV over the full TIGRE campaign. Finally, for each
TIGRE observation, we took the mean of these corrected RVs
of the nitrogen lines. In view of the nearly even sampling of the
orbital cycle by the TIGRE data and assuming a nearly circular
orbit, the ensuing orbital solution should have a systemic veloc-
ity close to 0 km s−1 by construction. The dispersion about the
resulting RVWN was used as an indicator of the uncertainty5. In
the OHP spectra, only the N v λ 4604 line is covered. We sub-
tracted the mean RV of this line, as determined on the TIGRE
data, from the OHP measurements. We then averaged all the
corrected RVs obtained during the same six-night OHP observ-
ing run. The resulting RVWN values are listed in Table 1.

To establish the orbital period, we applied the modified
Fourier periodogram algorithm of Heck et al. (1985) and Gos-
set et al. (2001) to the corresponding time series of RVWN (see
Fig. 1). This Fourier method explicitly accounts for the highly
uneven sampling of the time series. The time series spans an

5Throughout this paper, quoted errors correspond to 1σ intervals.
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Figure 2: SB1 orbital solution of the WN star as determined from the RVs of
the highly-ionized nitrogen lines RVWN combined with the data of Dsilva et al.
(2022). Blue squares stand for the TIGRE data, while the magenta triangles
indicate OHP data and green circles are RVs from Dsilva et al. (2022).

interval of 4216 days, leading to a natural width of the peaks in
the periodogram of 2.37 10−4 d−1. The highest peak in the peri-
odogram is found at a frequency of (6.40 ± 0.12) 10−4 d−1, cor-
responding to an orbital period of (1563 ± 29) days, i.e. 4.3 yrs.
The quoted uncertainty is obtained assuming that the position
of the highest peak in the periodogram can be determined with
an accuracy of 1/20 of the natural width of the peak.

We used the Liège Orbital Solution Package (LOSP, Sana
et al., 2006) to establish an SB1 orbital solution for the WN
star (Fig. 2), taking the above determination of the orbital pe-
riod as a first guess, but allowing LOSP to adjust its value. All
data points with a nominal uncertainty below 10 km s−1 were
assigned a weight of 1.0, whilst those with larger uncertainties
were given a weight of 0.5. The resulting orbital elements are
quoted in Table 2.

We also used the 40 RV measurements of the WN6o star pub-
lished by Dsilva et al. (2022) for what they call weak N v lines
(which includes N v λλ 4604, 4620, 4945). Those RVs are rela-
tive values as they were obtained via a cross-correlation with a
template spectrum built from their highest quality spectra. With
respect to our RVWN values, we found a shift in systemic ve-
locity of 45.9 km s−1, that we then applied to compute a com-
bined orbital solution (see Fig. 2). Overall, we find an excellent
agreement between our RVs and those of Dsilva et al. (2022).
Compared to the solutions of Annuk (1990), our orbital solu-
tion yields a ∼ 25% larger amplitude (39.9 km s−1 versus 30.6 –
34.3 km s−1) and a significantly lower eccentricity (0.16 versus
0.29 – 0.35). The rather large value of the mass function clearly
points towards a companion that must be a relatively massive
object.

Table 2: SB1 orbital elements of the WN6o star in WR 138. The γ velocity is
consistent with 0 by construction of the RVs. It does not reflect the true apparent
systemic velocity of the WN6o star. t0 stands for the time of periastron passage,
while ω is the argument of periastron. f (m) is the mass function.

RVWN RVWN + RVDsilva

Porb (days) 1553 ± 14 1559 ± 10
γ (km s−1) −1.1 ± 1.2 −0.3 ± 0.7

e 0.15 ± 0.04 0.16 ± 0.03
K (km s−1) 40.6 ± 1.7 39.9 ± 1.0
ω (◦) 233 ± 16 250 ± 9

aWN6o sin i (R�) 1233 ± 55 1215 ± 32
t0 (HJD-2450000) 7343 ± 66 7408 ± 39

f (m) (M�) 10.4 ± 3.8 9.9 ± 2.6
rms (km s−1) 7.5 6.0

Our complete dataset covers a bit less than three full orbital
cycles of WR 138. To look for possible cycle to cycle varia-
tions, we inspected both the RVs and the O-C residuals of our
orbital solution as a function of time (Fig. 3). No significant
systematic trends were found.

We also examined the RVs of three He ii emission lines (He ii
λλ 4542, 4686, 4859) measured on our TIGRE and OHP data.
Again, we subtracted the mean values of the TIGRE RVs to
shift all the lines to the same systemic velocity near 0.0 km s−1.
For the OHP data, we again took the mean of the RVs measured
during each observing run. The results are shown in Fig. 4,
along with our orbital solution derived from the RVs of the
highly-ionized nitrogen lines combined with the data of Dsilva
et al. (2022). As one can see on this figure, the RVs of the He ii
lines are fully consistent with the orbital solution inferred from
the nitrogen lines, with only a marginally larger dispersion (rms
of 7.7 km s−1).

Finally, we briefly addressed the question of short-term RV
variations of the WN6o star. Based on a high-cadence moni-
toring of WR 138 over two weeks in August 2019, Dsilva et al.
(2022) concluded that the N v line RV varied withσ = 5 km s−1.
This is very similar to what we found from our intensive OHP
campaigns (see also Palate et al., 2013). To further quantify
this, we applied our Fourier method to our complete time series
of 136 RV data of highly-ionized nitrogen lines (i.e. not using
the mean RVs of each OHP run, but considering instead all in-
dividual RVs). In this way, we checked that there is no signal in
the RV time series at frequencies around the 2.3238 day period
advocated by Lamontagne et al. (1982) or at any other short pe-
riod. We thus confirm the finding by Annuk (1990) and Palate
et al. (2013) that there is no evidence for the presence of a close
companion to the WN6o star.

3.2. The OB absorption lines: to move or not to move?

As noted in previous studies (Lamontagne et al., 1982; An-
nuk, 1990), the RVs of the OB star are even more difficult to
establish than those of the WN6o component. This is because
the absorption lines are broad and fall on top of the WN6o emis-
sion lines. Moreover, they apparently undergo line profile vari-
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Figure 3: RVWN combined with the data of Dsilva et al. (2022) (top panel) and
associated O-C residuals with respect to our orbital solution (bottom panel) as
a function of time. The symbols have the same meaning as in Fig. 2.

Figure 4: RVs of the He ii emission lines of the WN6o star. The blue squares
stand for the TIGRE data, while the magenta triangles indicate OHP data. The
solid line corresponds to our orbital solution inferred from the highly-ionized
nitrogen lines.

ations (see Fig. 5). The latter could be intrinsic to the OB star,
or they could result from the blends with the WN6o emission
lines which are themselves undergoing substantial line profile
variations (Lépine & Moffat, 1999; Palate et al., 2013). As a
first attempt to derive the RVs of the OB star, we measured the
three strongest and least blended He i absorption lines in the

Figure 5: Example of the changing line profile of the He i λ 4471 absorption
line. For clarity the different normalized spectra are vertically shifted. The data
were taken with TIGRE in 2017 and the dates of the observations are indicated
on the right in the format HJD-2450000.

optical spectrum (He i λλ 4471, 4922, 5876) by fitting Gaussian
profiles. To evaluate RVOB for a given epoch of observation,
we took the mean of the RVs of those three lines from which
we had previously subtracted the mean RV value of that line
averaged over all TIGRE data. For the OHP data, we further
averaged the values from the different nights of each observing
run.

Overall, the values of RVOB computed from the Gaussian
fits are subject to ∼ 1.5 times larger uncertainties than those
of RVWN. Moreover, they show a significantly larger disper-
sion when folded with the orbital period. Figure 6 illustrates
RVOB versus RVWN along with a linear regression. The best re-
gression yields a mass ratio of q =

mWN6o
mOB

= 0.53 ± 0.09. The
corresponding orbital solution is shown along with the RVOB
values in Fig. 7.

Together with the mass function

f (m) =
mOB sin3 i
(1 + q)2 = (9.9 ± 2.6) M�

from the SB1 orbital solution of the WN6o component, the
value of q results in minimum masses of mWN6o sin3i = (12.3 ±
4.2) M� and mOB sin3i = (23.2± 6.9) M�. Comparing the mini-
mum mass of the OB star with the typical mass of O9.5 V stars
(23.4 M�) from Martins et al. (2005), we conclude that the or-
bital inclination must be rather close to 90◦, and should be in
any case larger than ∼ 62◦.

Since the blend of the OB absorption lines with the WN6o
emission lines could bias our determination of the OB RVs, we
made another attempt to establish these RVs by using our spec-
tral disentangling code based on the shift and add algorithm
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Figure 6: RVOB as a function of RVWN for our TIGRE (blue squares) and
OHP (magenta triangles) data. The solid line corresponds to our best linear
regression relation with q = 0.53.

Figure 7: RVOB along with the orbital solution corresponding to the reflex mo-
tion of the OB star around the WN6o star for q = 0.53 (solid line). TIGRE
data are shown by blue squares, while OHP data are shown by magenta trian-
gles. The dashed line corresponds to a value of q = 3.20 required to match the
interferometric separation measured by Richardson et al. (2016) for an orbital
inclination of 90◦ and a distance of 1380 pc (see text).

described by González & Levato (2006). This method allows
in principle to reconstruct the individual mean spectrum of the
components of a binary system and to simultaneously deter-
mine their RVs for each epoch of observation. In the present
case, we fixed the RVs of the WN6o star to the values com-
puted from the best SB1 orbital solution based on the N iv and
N v emission lines. During the first 30 iterations, the RVs of
the OB star were set to the RVOB values described above. In the
subsequent iterations, the RVs of the OB star were then allowed
to vary. For each observation, we cross-correlated the residual
spectrum, corresponding to the difference between the observed
spectrum and the reconstructed WN6o spectrum shifted with
the appropriate RV, with a TLUSTY synthetic spectrum6 (Lanz
& Hubeny, 2003). This method was applied to data over three
spectral ranges (4000 – 4400 Å, 4440 – 4580 Å, and 4800 –
5000 Å) which display rather strong absorption lines in the syn-
thetic spectrum. We restricted ourselves to the 24 TIGRE spec-
tra with the highest S/N ratio. Yet, the results did not allow us
to improve our estimates of the RV of the OB star. Indeed, for
a given epoch of observation, the RVs of the OB star estimated
from the different wavelength domains display a significant dis-
persion. This dispersion most likely arises from the short-term
variability that affects the data and produces asymmetric line
profiles (see Fig. 5).

In view of the above-mentioned difficulties, we finally per-
formed the spectral disentangling keeping the RVs of the WN6o
star fixed to those of the best SB1 orbital solution and setting
the RVs of the OB star to those corresponding to a mass ra-
tio of q = 0.53. While the reconstructed spectrum of the OB
star unveils absorption lines that were difficult to distinguish in
the original individual observations (see left panel of Fig. 8),
the disentangling is certainly far from perfect. Indeed, we note
that in some lines (e.g. He i λλ 4471 and 5876, see right panel
of Fig. 8), the reconstructed spectrum of the WN6o star still
displays some residual absorptions, implying that the strength
of those lines is probably underestimated in the reconstructed
spectrum of the OB star. Moreover, the variability of the WN6o
spectrum due to wind inhomogeneities also pollutes the recon-
structed spectrum of the OB star, notably in the He ii λ 4686 and
the H i Balmer lines which display strong emission artefacts.

Keeping those imperfections in mind, we have nevertheless
attempted a rough spectral classification of the OB star based
on the disentangled spectra. The ratio of the equivalent widths
of the He i λ 4471 and He ii λ 4542 absorptions near ∼ 4 yields
a spectral type O9.5 (Conti & Alschuler, 1971; Mathys, 1988).
Taking into account that the reconstructed OB spectrum might
underestimate the strength of He i λ 4471, an O9.7 spectral type
remains possible. An O9.5 spectral type is also in agreement
with the fact that He ii λ 4200 is slightly weaker than He i λ 4144
(Sota et al., 2011). In the same way, the ratio of the equiv-
alent widths of the Si iv λ 4089 and He i λ 4144 absorptions
suggests a V-III luminosity class (Conti & Alschuler, 1971).
The Si iv λ 4089/He i λ 4026 criterion of Sota et al. (2011) sug-
gests a slightly more luminous III - II luminosity class. Com-

6For this purpose, we used a synthetic spectrum with Teff = 30 000 K,
log g = 4.0 rotationally broadened to v sin i = 350 km s−1.
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Figure 8: Reconstructed spectra of the WN6o star (top panels) and the OB component (bottom panels) in the 4000 - 4400 Å spectral range (left) and in the 5775 -
5940 Å domain (right). These spectra were obtained via disentangling of the TIGRE data with the RVs set to the orbital solution of the WN6o star and q = 0.53.
The red dashed line in the bottom panels illustrates a TLUSTY synthetic spectrum with Teff = 32 500 K, log g = 4.0 and v sin i = 350 km s−1, diluted by a factor 2.

Figure 9: Top panel: He i λ 4471 absorption line of the OB star reconstructed
via disentangling of the TIGRE data with the RVs set to the orbital solution
of the WN6o star and q = 0.53. Bottom panel: Fourier transform of that line
(black dots) and rotational profile (red curve) that best matches the position of
the first zero of the Fourier transform.

paring the strength of the He i lines relative to the continuum
with those of the same lines in synthetic TLUSTY spectra for
Teff equal to 30 000 or 32 500 K, we conclude that the absorp-
tion lines in the spectrum of WR 138 are diluted by about a
factor 2. Hence, the optical brightness of the OB star and the
WN6o star should be nearly equal, in good agreement with the
results from the model atmosphere spectral energy distribution
(SED) fitting of Richardson et al. (2016). We finally applied
the Fourier transform method (Simón-Dı́az & Herrero, 2007)
to the He i λλ 4471, 4922 line profiles to infer the value of the
projected rotational velocity v sin i (see Fig. 9). In this way, we
inferred values of (360 ± 10) km s−1 for the He i λ 4471 line,
and (340 ± 10) km s−1 for He i λ 4922. Our results hence indi-
cate a v sin i = (350 ± 10) km s−1, in excellent agreement with
Richardson et al. (2016).

Given the uncertainties on the RVs of the OB star, and the
difficulties to reconcile the RV orbital solution and the interfer-
ometric results (see the forthcoming Sect. 5), we further tested
the possibility that the OB star might not be moving with the
4.3 yr period, by setting the RVs of the OB star to zero in the
disentangling process. The reconstructed spectra of the OB star
looked quite similar to those obtained for q = 0.53 despite
the radically different assumptions on the RVs. This situation
prompted us to test the significance of the anti-correlation be-
tween RVOB and RVWN (Fig. 6). We first computed the Pear-
son correlation coefficient r = −0.68 and the Spearman rank-
order correlation coefficient rS = −0.65. Both values indicate
a highly significant anti-correlation between RVOB and RVWN.
To go one step further, we performed a series of simulations
where we re-shuffled the couples of RVOB and RVWN measure-
ments, randomly assigning one of the observed RVOB (and its
estimated error) to an observed RVWN (along with its error). For
each simulated realization of our time series, we inferred the
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Figure 10: Histogram of the distribution of mass-ratios inferred from a million
simulations of randomly shuffled pairs of RVOB and RVWN measurements. Our
observational value is indicated by the solid blue line and its 1σ uncertainty is
shown by the hatched cyan area.

slope of a putative linear relation between RVOB and RVWN, and
thus the corresponding value of q. We repeated this procedure a
million times and built a histogram of the frequency of the val-
ues of q. The result is illustrated in Fig. 10. We stress that neg-
ative values of q represent positive correlations between RVOB
and RVWN and do thus not reflect a genuine mass ratio. Because
of the random shuffling, the expected mean value of the slope
is zero (corresponding to the absence of any correlation). Com-
paring with our observed value of q = 0.53 ± 0.09, we find that
the re-shuffled time series yield a slope ≥ 0.53 in only 0.0008%
of the simulations. A slope ≥ 0.44 (i.e. ≥ 0.53 − 1σ) is found
for 0.08% of the cases, and a slope ≥ 0.26 (i.e. ≥ 0.53 − 3σ)
for 5.3%. Hence, we conclude that the anti-correlation between
RVOB and RVWN is indeed highly significant.

4. Photometry

Martin & Plummer (1919), Gaposchkin (1942) and Ross
(1961) first detected low-level irregular photometric variabil-
ity of WR 138. A photometric period of 11.6 days was reported
by Moffat & Shara (1986). However, this result was based on
a rather scarce data set and could be an artefact as sporadic
periodicities are frequently found in ground-based photometric
observations of WR stars (e.g. Gosset et al., 1994). A first set of
space-borne photometric measurements was obtained with the
Hipparcos satellite. From these data, Marchenko et al. (1998)
reported WR 138 to display a stochastic variability.

The high-cadence TESS data allow us to reconsider this
point. The left panel of Fig. 11 illustrates the light curve of
WR 138 over the four sectors covered by TESS. From this fig-
ure, it becomes clear that the star displays variability at the

∼ 10 mmag level. No obvious periodic pattern is apparent in
the light curves. To quantify this, we applied our Fourier period
search method to the time series of each sector. The result-
ing Fourier periodograms are illustrated in the right panel of
Fig. 11.

A first important conclusion, is that there are no significant
peaks that could hint at a periodic signal. Moreover, the con-
tent of the periodogram changes with time, indicating that we
are seeing stochastic variability. We note also that these pe-
riodograms are essentially empty at frequencies above 4 d−1.
Instead, the level increases towards lower frequencies, as one
would expect for a variability dominated by red noise. This situ-
ation is not unexpected as red noise is commonly detected in the
analyses of space-borne photometry of massive stars, including
Wolf-Rayet stars (Nazé et al., 2021, and references therein).

In the case of WR 138, roughly half of the light collected
in the TESS waveband (i.e. between 6000 Å and 1 µm) should
come from the WN6o star and about half from the OB star
(Richardson et al., 2016). The absence of significant stable pe-
riodicities indicates that the OB companion is probably not a
β Cep-like pulsator. Therefore, the line profile variability that
affects the broad He i absorption lines is probably not due to
stable pulsations, but rather to stochastic variations of the OB
star and wind variability in the spectrum of the WN6o star.

5. Discussion

5.1. Comparison with interferometric data

As pointed out in Sect. 1, Richardson et al. (2016) resolved
WR 138 with the CHARA interferometer into two objects sep-
arated by 12.4 mas. The H-band brightness ratio of the two
sources inferred from the CHARA data was in agreement with
the two objects corresponding to the WN6o and OB stars. The
date of these interferometric observations corresponds to orbital
phase 0.43 in our best SB1 orbital solution of the WN6o star. At
that phase, the orbital separation amounts to r = 1.15 a where a
is the semi-major axis of the orbit. Likewise, the position angle
ψ (defined as 0◦ at inferior conjunction of the WN6o star) was
141◦. The projection of the separation of the two stars on the
sky then amounts to√

(r cosψ cos i)2 + (r sinψ)2·

If we adopt q = 0.53, our best orbital solution leads to a sin i =

(1859 ± 120) R�, and thus r sin i = (2138 ± 149) R�.
The most recent Gaia parallax of WR 138 is equal to $ =

0.449±0.022 mas (Gaia Collaboration et al., 2021), correspond-
ing to a distance of 2.13±0.09 kpc (Bailer-Jones et al., 2021) or
2.2 ± 0.1 kpc (Crowther et al., 2023) depending on the adopted
priors. Adopting a distance of 2.15 kpc, the projected separa-
tion at the time of the CHARA observations was thus seen under
an angle of

(4.6 ± 0.7) mas
sin i

√
(cosψ cos i)2 + (sinψ)2·
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Figure 11: Left: TESS light curves of WR 138. Right: Fourier periodograms of the TESS photometry of WR 138. The inserts provide a zoom on the low-frequency
part below 1 d−1.

Assuming this quantity to be equal to 12.4 mas, and solving for
i yields an inclination close to 20.9◦ which would result in un-
realistically high masses of over 500 M� for the OB star, and
270 M� for the WN6o star. From their SED fitting, Richardson
et al. (2016) advocate a shorter distance of 1380 pc. If we adopt
this value, we must replace the 4.6 mas in the relation above by
7.2 mas. This then leads to an inclination of 32◦ which would
still imply masses of 156 and 83 M�, which are still clearly un-
realistic. An alternative way to illustrate this problem is to apply
Kepler’s third law assuming that Porb = 1559 days holds for the
two objects separated by 12.4 mas, and that this angular sep-
aration corresponds to a (i.e. neglecting projection effects and
the small eccentricity). Adopting a distance of 2.15 kpc would
imply a total mass of the binary of 980 M�, whilst the shorter
distance of 1380 pc would still lead to a total mass of 260 M�.
Yet another way to illustrate this problem is provided in Fig. 7.
The dashed line in this figure illustrates the RV curve of the OB
star one would expect assuming the interferometric separation
corresponds to the on-sky projection of the orbital separation of
the system with a 4.3 yr orbit. In Fig. 7, we have assumed an
orbital inclination of 90◦ and a distance of 1380 pc (Richardson
et al., 2016). This would imply a mass ratio of q = 3.20 which
is clearly at odds with the values of RVOB, and would once
again lead to unrealistic masses of 174 M� for the OB star and
558 M� for the WN6o star. Adopting instead the Gaia distance
would lead to an even higher value of q, making the situation
even worse.

Therefore, we conclude that it is currently impossible to rec-
oncile the results of the CHARA observation of Richardson et
al. (2016) with our spectroscopic RV solution. Either the in-
terferometric solution is somehow biased, or we are forced to
conclude that the object resolved with CHARA is not the star
responsible for the orbital motion of the WN6o star with a pe-

riod of 1559 days, but a third component that does not undergo
significant RV variations over our observing campaign. At this
stage, we do not know whether this third component is an early-
type star or not, but in case it is, it will likely contribute to the
He i lines we have measured. This could explain some of the
difficulties encountered in establishing the orbital motion of the
OB component of the 4.3 yr binary.

We can wonder whether a physical triple configuration would
be stable. Assuming that the inner binary consists of a WN6o
star of ∼ 12.5 M� orbited every 1559 days by a 23.5 M� O9.5 V
star and that this system is itself orbited by another O9.5 V star
(the object detected with CHARA) of identical mass, we can
estimate a total mass of the triple system of ∼ 60 M�. Kepler’s
third law then implies minimum orbital periods for the outer
orbit of 6467 days for a distance of 2.15 kpc and 3326 days for
a distance of 1380 pc. Whilst these are minimum values of the
orbital period (due to the projection effect), they lead to a very
small ratio between the orbital period of the outer and inner
orbit, which would be inconsistent with a stable hierarchical
triple system (Tokovinin, 2004).

The luminosities and general properties of the components
of WR 138 inferred by Richardson et al. (2016) were obtained
assuming two stars (the WN6o star and its OB companion) at a
distance of 1.38 kpc. If we are dealing instead with three stars
(the WN6o + OB binary system and a more distant third object),
then scaling the luminosities found by Richardson et al. (2016)
to the Gaia distance of 2.15 kpc, the total luminosity of the bi-
nary system becomes 5.4 105 L�. Adopting the effective tem-
perature (31 000 K) obtained by Richardson et al. (2016) and
a mass close to 24 M� for the OB star, the evolutionary mod-
els of Ekström et al. (2012) yield log L/L� ∼ 5.2 for the OB
star, suggesting a giant luminosity class (Martins et al., 2005).
Our best-fit mass-ratio then implies a mass of the WN6o star
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of (12.7 ± 1.1) M�. Using the model-based mass-luminosity
relation for Wolf-Rayet stars proposed by Schaerer & Maeder
(1992), we estimate log L/L� between 5.31 and 5.56 for the
WN6o star. This results in a combined luminosity of the WN6o
+ OB binary between 3.6 105 L� and 5.2 105 L�, in reasonable
agreement with the above estimate.

5.2. Evolutionary state
At this stage, we need to return to the question whether the

properties of WR 138 can be explained by binary interactions.
Indeed, Richardson et al. (2016) suggested that WR 138 might
have evolved through a RLOF episode with mass and angular
momentum transfer despite its wide current orbital separation.
For moderately wide binary systems with orbital periods in the
range between 10 and 1000 days, so-called case B RLOF oc-
curs while the mass donor is burning hydrogen in a shell (i.e.
prior to core He burning). This scenario could indeed apply to
WR 138. Three properties are worth considering in this con-
text: the rapid rotation of the OB star, the orbital period and
orbital eccentricity.

Shara et al. (2017) discussed the projected rotational veloci-
ties of the O-type companions in eleven WR + O binary systems
with orbital periods between 4.2 and 78.5 days. Accounting for
the known inclinations of these systems, and assuming the ro-
tation and orbital axes to be aligned, they inferred equatorial
velocities that clearly exceed those expected for synchronous
rotation and revolution. For the He i lines, Shara et al. (2017)
derive an average veq,He I of 348 km s−1, whereas the He ii lines
yield a lower average of veq,He II = 173 km s−1. Shara et al.
(2017) attribute this difference to the effect of gravity darken-
ing in stars that are heavily flattened due to their rapid rota-
tion. Unfortunately, the He ii lines of the OB star in WR 138 are
too weak to infer v sin i from the disentangled spectrum. Still,
WR 138 shares many of the properties of the objects discussed
by Shara et al. (2017). Indeed, considering the OB star to be the
object that orbits the WN6o star every 4.3 yrs, we find that its
rotational velocity is clearly faster than synchronous. Actually,
with its significantly longer orbital period, WR 138 is clearly
a more extreme case than the objects in the sample of Shara
et al. (2017). This is true as far as the orbital separation and
thus the size of the Roche lobe are concerned, and also in terms
of the subsequent evolution of the mass and angular momen-
tum gainer. Concerning the orbital separation, Richardson et al.
(2016) argued that the orbital period of WR 138 is close to the
upper limit on the binary period for an O-type star to undergo
spin-up in a RLOF interaction (Sana et al., 2012). Yet, depend-
ing on the amount of mass lost in the process, the initial orbital
period could well have been shorter than the current value.

If the case B mass transfer is quasi conservative, the mass
gainer would be spun-up to near critical velocity (Packet, 1981).
Yet, the rotational velocities inferred by Shara et al. (2017) and
also that of the OB star in WR 138 are significantly below the
critical rotation rate. In close systems with short orbital periods,
this situation could stem from tidal interactions that slow down
the O star’s rotation. For longer period systems, especially for a
long-period system such as WR 138, tidal interactions are much
less efficient and thus cannot explain this result. Vanbeveren et

al. (2018) accordingly suggested that differential rotation due to
accretion of mass onto the O star could induce a Spruit-Taylor
dynamo effect that would lead to a spin-down of the O star, re-
sulting in a significantly subcritical rotational velocity at the end
of the RLOF episode. In the Vanbeveren et al. (2018) scenario,
one would thus expect the OB star to be magnetic. In this con-
text, it is worth mentioning that de la Chevrotière et al. (2014)
reported a weak spectropolarimetric signal in WR 138 that they
interpreted as a marginal detection of an 80 G magnetic field
in the wind of the WN6o star. Yet, it is unclear whether this
spectropolarimetric signal, which extends over ∼ 2000 km s−1

in velocity space, could instead come from the OB component.
Finally, while the eccentricity of the orbit of the WN6o star

is relatively small, it is actually not zero. Quite frequently, it is
assumed that a mass transfer episode should lead to rapid circu-
larization of the orbit. However, De Greve (1991) found that the
properties of WR 140 (WC7 + O4-5V, e ' 0.8, Porb = 7.9 yr)
were best explained by a case B mass exchange modulated by
the large eccentricity. He argued that tidal interactions were too
slow to circularize the orbit and that the initial eccentricity of
the binary was likely larger than the current value. Sepinsky et
al. (2007, 2009), and Dosopoulou & Kalogera (2016) investi-
gated the secular variations of the orbital eccentricity and semi-
major axis during mass-transfer in eccentric binaries. They
showed that these quantities can decrease or increase, depend-
ing on the initial values of the mass-ratio and the eccentricity.
Based on these results, we can assume that a similar scenario
might apply to the case of WR 138: it is likely that the ini-
tial eccentricity was considerably higher than the current value,
but tidal interactions were not efficient enough to circularize
the orbit. An alternative scenario that could apply if WR 138
eventually turned out to be a physical (hierarchical) triple sys-
tem is Kozai-Lidov cycles. Indeed, in hierarchical triples, the
Kozai-Lidov mechanism can lead to oscillations of the orbital
eccentricity of the inner binary system (Naoz, 2016). Such
oscillations can enhance tidal interactions and mass-exchange,
thus influencing the evolution of the inner binary (Toonen et al.,
2016). However, at this stage, this is highly speculative as fur-
ther observations are required to firmly establish or discard the
triple star scenario.

6. Conclusions

Our results indicate that the WN6o star in WR 138 is orbited
by a relatively massive companion in a 4.3 yr orbit with an ec-
centricity of 0.16. The rapidly rotating OB star that leaves its
signatures in the combined spectrum offers the most plausible
candidate for being this companion though its RVs are more
difficult to measure. We have shown that the OB star RVs are
anticorrelated with those of the WN6o star. It appears clearly
that the companion of the WN6o star on the 4.3 yr orbit can-
not be the object that was resolved in interferometry with the
CHARA array (Richardson et al., 2016). This opens up the pos-
sibility of a triple system and calls for additional interferometric
observations.
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Liège. This publication also uses data obtained with the TESS
mission, whose funding is provided by the NASA Explorer
Program. We thank the Belgian Federal Science Policy Office
(BELSPO) for their support in the framework of the PRODEX
Programme. The ADS, CDS and SIMBAD databases were used
in this work.

References

Annuk, K. 1990, Acta Astronomica, 40, 267
Bailer-Jones C.A.L., Rybizki, J., Fouesneau, M., Demleitner, M., & Andrae, R.

2021, AJ, 161, 147
Conti, P.S., & Alschuler, W.R. 1971, ApJ, 170, 325
Crowther, P.A. 2007, Annu. Rev. Astron. Astrophys., 45, 177
Crowther, P.A., & Walborn, N.R. 2011, MNRAS, 416, 1311
Crowther, P.A., Rate, G., & Bestenlehner, J.M. 2023, MNRAS, 521, 585
de la Chevrotière, A., St-Louis, N., & Moffat, A.F.J. 2014, ApJ, 781, 73
De Greve, J.-P. 1991, in Wolf-Rayet Stars and Interrelations with Other Massive

Stars in Galaxies, Proc. IAU Symp. 143, eds. K.A. van der Hucht & B.
Hidayat, Kluwer, Dordrecht, 252

Dosopoulou, F., & Kalogera, V. 2016, ApJ, 825, 71
Dsilva, K., Shenar, T., Sana, H., & Marchant, P. 2022, A&A, 664, A93
Ekström, S., Georgy, C., Eggenberger, P., et al. 2012, A&A, 537, A146
Gaia Collaboration, Brown, A.G.A, Vallenari, A., et al. 2021, A&A, 649, A1
Gaposchkin, S. 1942, Publ. AAS, 10, 250
Gillet, D., Burnage, R., Kohler, D., et al. 1994, A&AS, 108, 181
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ABSTRACT
We determine the atomic hydrogen (H i) to halo mass relation (HIHM) using Arecibo Legacy
Fast ALFA survey H i data at the location of optically selected groups from the Galaxy and
Mass Assembly (GAMA) survey. We make direct H i detections for 37 GAMA groups. Using
H i group spectral stacking of 345 groups, we study the group H i content as function of halo
mass across a halo mass range of 1011 − 1014.7 M�. We also correct our results for Eddington
bias. We find that the group H i mass generally rises as a function of halo mass from 1.3%
of the halo mass at 1011.6M� to 0.4% at 1013.7M� with some indication of flattening towards
the high-mass end. Despite the differences in optical survey limits, group catalogues, and halo
mass estimation methods, our results are consistent with previous group H i-stacking studies.
Our results are also consistent with mock observations from Shark and IllustrisTNG.
Key words: galaxies: groups: general – galaxies: haloes – radio lines: general

1 INTRODUCTION

The effect of environment on the neutral gas content of galaxies is
an important driver of galaxy evolution (Cortese et al. 2021). It has
been well established that galaxies in higher density environments,
such as large groups and clusters, are deficient in neutral atomic
hydrogen, H i, compared to those found in the field (Haynes et al.
1984; Solanes et al. 2001; Kilborn et al. 2009; Chung et al. 2009;
Cortese et al. 2011; Brown et al. 2017). A number of potentially
important effects drive this trend, such as the gravitational interac-
tions between galaxies (tidal stripping, galaxy harassment; Moore
et al. 1996) and the interaction of galaxies with the intra-group or
intra-cluster medium (ram-pressure stripping, strangulation; Gunn
& Gott 1972; Balogh & Morris 2000). Understanding the balance
between these processes, their combined effect, and their evolution
with time, remains a core goal for galaxy evolution studies, given

★ E-mail: ajay.dev@research.uwa.edu.au

the importance of gas as the fuel for star formation and galactic
mass assembly.

A particularly useful global observable to constrain these ef-
fects is the scaling, and evolution of the H i content as a function
of the halo mass, which is dominated by dark-matter (DM). Models
that trace and predict the (multiphase) cool-gas content of galax-
ies have undergone significant developments in recent years, both in
cosmological semi-analytic models (Obreschkow et al. 2009; Lagos
et al. 2011; Popping et al. 2014; Lu et al. 2014; Lagos et al. 2018),
and hydrodynamical simulations (Lagos et al. 2015; Crain et al.
2017; Davé et al. 2017; Diemer et al. 2018; Stevens et al. 2019).
Directly relating H i to halo mass provides a valuable observational
end-to-end constraint for these models. In doing so, we link the in-
put DMmass distribution for semi-analytic modelling techniques to
the desired simulation output product of H imass. However, making
this observational link presents a number of challenges, including
the difficulty of detecting H i beyond the relatively local Universe
for evolutionary studies, the increasing low-mass limit to which H i

© 2023 The Authors
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can be detected as a function of redshift, and the ancillary dataset
requirements for estimating host halo masses.

Deeper H i surveys along with improved galaxy group cata-
logues have resulted in empirical studies of the H i-to-halo mass
relation (HIHM) being conducted. Obuljen et al. (2019) constrained
the HIHM relation as a power law by studying the abundance and
clustering of Sloan Digital Sky Survey (SDSS, York et al. 2000)
optically selected H i sources from Arecibo Legacy Fast ALFA sur-
vey (ALFALFA, Giovanelli et al. 2005). Li et al. (2022) estimated
the HIHM relation using the H imass function constructed using an
H i mass estimator calibrated with the Extended Galaxy Evolution
Explorer Arecibo Sloan Digital Sky Survey (xGASS, Catinella et al.
2018) sample. One method that has undergone substantial develop-
ment in recent years, which has improved the measurement of H i
at larger distances and lower masses, is H i spectral stacking.

The spectral stacking technique couples H i survey data with
optical redshifts in the same region of sky to enable the co-addition
of H i emission from multiple sources, whether or not they are dir-
ectly detected in the H i image cubes. The power of this method
was first demonstrated for H i by Zwaan (2000) and Chengalur et al.
(2001). Several studies have since used H i stacking to calculate
the H i cosmic density at redshifts higher than those available from
blind H i surveys (Lah et al. 2007; Delhaize et al. 2013; Rhee et al.
2013, 2016, 2018; Bera et al. 2019; Hu et al. 2019; Chowdhury
et al. 2020; Hu et al. 2020; Chen et al. 2021). Brown et al. (2015)
used stacking of H i data from the ALFALFA survey to examine
the relationship between gas fraction and star formation properties
of galaxies. ALFALFA has also been used to explore the effect of
environment through stacking (Fabello et al. 2011, 2012) in combin-
ation with SDSS data, finding evidence of ram-pressure stripping in
high density environments for galaxies with stellar mass less than
1010.5M� . Moving into kinematic studies, Meyer et al. (2016) used
H i stacking to recover the Tully-Fisher relation from H i Parkes All
Sky Survey data (Meyer et al. 2004). Recently, Rhee et al. (2023)
performed H i stacking of galaxies in different halo mass bins to
study the H i content for different color, environmental effects, H i
gas fraction scaling relation, H i-stellar mass relation, cosmic H i
density as well as the HIHM relation with the Deep Investigation of
Neutral Gas Origins (DINGO, Meyer 2009; Rhee et al. 2023) early
science data. Roychowdhury et al. (2022) performed group spectral
stacking using ALFALFA and DINGO pilot survey data to study
the variations of H i mass to stellar mass fraction as a function of
stellar mass and star formation rate.

While clearly having a number of advantages for extending
the redshift and mass ranges over which H i can be studied, stacking
has some drawbacks. One of the most significant in single-dish data,
is the effect of confusion, where the desired H i signal of a stacked
target galaxy can be confused with nearby sources due to limitations
in telescope spatial resolution (Jones et al. 2016). This contaminates
the recovered average signal and biases the stack, necessitating the
use of often substantial corrections (e.g. Delhaize et al. 2013 needed
a correction factor of×5 to account for confusion at 𝑧 = 0.1 using the
Parkes 64m telescope). This problem grows as a function of redshift
as the projected density of sources in comparison to the beam size
increases. Another potential issue is spectroscopic incompleteness
of the input source catalogue. For galaxy-by-galaxy H i stacking,
and the use of this to recover the dependence of H i on halo mass,
this could cause an underestimate of H i group content if gas-rich
members are overlooked.

In this work, we look to overcome some of these issues by
applying a H i group-stacking technique, combining ALFALFA
(Giovanelli et al. 2005) data with optical data from the Galaxy

ALFALFA

G09G15 G12

04h04h12h16h20h

+60º

+30º

0º

-30º

-60º

Figure 1. On-sky location of the ALFALFA (green) and the GAMA (red)
equatorial regions. The overlap includes a sky area of ∼ 96 deg2.

and Mass Assembly (GAMA, Driver et al. 2011; Liske et al. 2015;
Baldry et al. 2018; Driver et al. 2022a) survey to derive the de-
pendency of group H i content on halo mass. The group-stacking
technique has been previously used in Guo et al. (2020) to calculate
the HIHM relation using a combination of ALFALFA and SDSS
data. SDSS survey covers ∼ 35% of the sky, and is complete to an
apparent r-band magnitude of 17.77mag (Strauss et al. 2002). On
the other hand, the GAMA survey data used in this work is ∼ 2mag
deeper but covers a much smaller area. The large overlap between
SDSS and ALFALFA makes the final group sample used by Guo
et al. (2020) much larger (∼ 25000 groups) than the one used here
(∼ 350 groups). The novelty in this work is the use of GAMA group
catalogue, which is deeper and has its group halo masses calculated
in a more empirical way using dynamical mass. We also compare
our results with simulations and mock observations in this work.

This paper is organised as follows. Section 2 describes the
datasets that we are using from the ALFALFA and GAMA survey.
In Section 3, we describe our method for extracting the spectra,
stacking them and calculating H i mass. The results are presen-
ted in Section 4, along with our measurements of the HIHM. In
Section 5, we make comparisons with simulations and Section 6
presents our conclusions. Throughout, we assume a Hubble con-
stant of 𝐻0 = 70 km s−1Mpc−1 and a ΛCDM cosmology with
ΩM = 0.3, ΩΛ = 0.7 in calculating distances, comoving volumes
and luminosities.

2 DATA

2.1 ALFALFA survey

HI data for this work are taken from the ALFALFA survey, which is
a blind HI survey conducted with the single-dish Arecibo telescope
using Arecibo L-Band Feed Array (ALFA) (Giovanelli et al. 2005).
ALFALFA survey covered a total area of ∼ 7000 deg2 out to a
redshift of 𝑧 = 0.06. ALFALFA beams are asymmetric Gaussian
with Full Width at Half Maxima (FWHM) of 3.8′ × 3.3′. The
ALFALFA grids are 2.4° on each side evenly sampled at 1′ and
the spatial dimensions are 144 × 144 pixels. ALFALFA data have
frequency channel spacing of 24.4 kHz with a spectral resolution of
10 km s−1 after smoothing. The average root mean square noise is
∼ 2 mJy channel−1. The complete survey footprint can be split into
regions with a common declination of 0o − 36o and right ascension
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of 07h30m−16h30m and 22h−3h (see Fig. 1).We use theALFALFA
data cubes from the final data release (Haynes et al. 2018) for this
study.

2.2 GAMA survey

GAMA is a spectroscopic survey that was conducted using the
Anglo-Australian Telescope, in combination with pre-existing liter-
ature measurements. It has resulted in over 300,000 spectroscopic
redshifts, covering objects up to a magnitude limit of 𝑟 < 19.8, and
extending up to a redshift of 𝑧 = 0.4. The GAMA survey covered 5
separate fields (G02, G09, G12, G15 & G23) on the sky with a total
area of ∼250 deg2 and spectroscopic completeness of ∼ 98.5% in
the three equatorial fields where most of the GAMA science is done.
It also includes several multi-wavelength photometric and imaging
surveys of these regions extending from UV to far-IR. The latest
GAMA data release—GAMADR4 (Driver et al. 2022a)—provides
complete access to the GAMA spectra, redshifts and other data
products. One of these data products is the GAMA Group Cata-
logue which consists of 26,194 galaxy groups created using the
friends-of-friends algorithm of Robotham et al. (2011). The para-
meters of the algorithm have been extensively calibrated against
semi-analytic mock catalogues of the GAMA survey (Merson et al.
2013). The halo masses of the groups are calculated using the velo-
city dispersion and radius of the group. The halo mass calculation
also has been extensively calibrated against the GAMA mock cata-
logue (Kafle et al. 2016). We use the latest group catalogue (v10
GroupFinding DMU) taken from the GAMA DR4 website1 for the
selection of the galaxy groups studied in this work.

We use the GAMA regions that overlap with the ALFALFA
survey, namely G09, G12 and G15 with declination restricted to
> 0◦. We also restrict the group selection to a redshift of 0.06,
which is the maximum depth of the ALFALFA survey. The overlap
region covers an area of ∼ 96 deg2 encompassing a volume of
∼ 1.6 × 105 Mpc3. The ALFALFA and GAMA equatorial regions
are shown in Fig. 1.

3 METHODS

3.1 Spectra Extraction

The spectra for the groups are extracted from the ALFALFA data
cubes using the group redshift and centre information taken from
the GAMA group catalogue. For each group, its H i spectrum is
extracted by spatially integrating all the emission inside a radius
given by the quadarture sum of group radius (Rad100) and semi-
major axis of the beam (1.9′) from the group centre, and using
a ±1500 km s−1 rest frame velocity range. Rad100 is defined as
the projected distance from the central group member to the most
distant group member converted into angular coordinates and 1.9′
is the semi-major axis of the ALFALFA beam.

The spectral extraction technique varies depending on whether
the object for which the spectrum is being extracted is larger or
smaller than the beam size of the telescope. For all our groups, the

1 http://www.gama-survey.org/dr4/

spectra are extracted with a radius larger than the ALFALFA beam
size. So, the extracted spectrum is given by:

𝑆a =
1
𝐶

×
∑︁
𝑥

∑︁
𝑦

𝑆a (𝑥, 𝑦) (1)

where 𝑆a (𝑥, 𝑦) is the flux density of each pixel at position 𝑥,𝑦 and
𝐶 is a factor correcting from Jy/beam to Jy/pixel (i.e. 𝐶 = area of
beam/area of pixel). The area of the beam is given by:

𝐴beam =
π𝑏min𝑏max
4 ln(2) = 14.21 arcmin2, (2)

where 𝑏min and 𝑏max are the semi-minor and semi-major axes of
the ALFALFA beam. The ALFALFA data are available for two
linear polarizations. We perform the spectral extraction for both the
polarizations and then take the average of the flux density of both
polarizations. For further analysis, we use the polarization averaged
spectrum.

3.2 Group Selection

After spectral extraction, we have 501 groups which have overlap
between GAMA and ALFALFA. Groups studied in this work have
multiplicity of 2 or more (NFoF ≥ 2). Halo masses for our groups
are taken from the GAMA group catalog (MassAfunc parameter).
These are group dynamical masses calculated using group velocity
dispersion as given by Eq.18 in Robotham et al. (2011). We only
retain groups which have halo mass listed in the group catalogue.
For our study, we only use groups with halo masses above 1011M�
as halomasses below this have larger uncertainities.We also exclude
groups that have more than 50% of the data flagged due to Radio
Frequency Interference (RFI) in the central region where majority
of the H i signal is expected. At the end, we have 345 group spectra
on which we perform our study. The distribution of these groups on
the sky and as a function of redshift is shown in Fig. 2. The groups
are coloured according to their group multiplicities (NFoF) and their
size is representative of their group mass in logarithmic scale.

3.3 H i Analysis

3.3.1 Redshift Correction

The extracted spectra are all in the observed frame. So as a first step,
we align all the spectra to the rest frequency (1420.4 MHz). This is
done by shifting the frequency axis,

arest = aobs(1+z), (3)

where arest and aobs are the rest and observed frame frequencies,
and z is the redshift of the group taken from the group catalogue.
We then convert the flux density to H i mass per unit frequency
(referred to as the mass spectrum) (Delhaize et al. 2013),( MH i,aobs

M�MHz−1

)
= 4.98 × 107

(
Saobs
Jy

) (
D𝐿

Mpc

)2
, (4)

where 𝑆aobs is the observedH i flux density and𝐷𝐿 is the luminosity
distance of the group. To conserve the total flux or mass, we also
scale the mass spectrum appropriately,

MH i,arest =
MH i,aobs(1+z)

1+z
. (5)
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Figure 2. Each panel shows a cone plot of the GAMA groups studied in this work. The groups extend to a maximum redshift of 𝑧 = 0.06 as shown in the lower
panel cones. The upper panel shows the distribution of these groups in Right Ascension and Declination. The groups have been colored according to their
multiplicities (NFoF with colors "cyan", "blue", "green", "orange", "red" and "purple" indicating multiplicities of 2, 3, 4, 5, 6 and ≥7. The circle size denotes
the mass of the groups. The individual GAMA galaxies in these fields are shown as grey points.

3.3.2 Baseline Correction

Extracted spectra can have a residual baseline offset from 0, so we
perform a baseline correction. Fabello et al. (2011) performs a first
order baseline correction in their stacking of ALFALFA galaxies.
Guo et al. (2020) also mentions that their ALFALFA group stacks
were slightly negative and they performed a second-order polyno-
mial baseline correction. In our spectra, to mark the region where
there is potential H i signal, we choose the outermost galaxy mem-
ber of the group in velocity space with respect to the group centre,
then add/subtract a 250 km s−1 velocity to it to allow for additional
emission spread due to galactic rotation, and mirror this on either
side of the spectra centered on the central group member to obtain
a symmetric extraction range. This is defined as our group velocity
range. We choose 250 km s−1 buffer for the spread due to galaxy
rotation as it is similar to the rotational velocity of Milky Way-like
galaxies (Eilers et al. 2019). We perform a second order polynomial
fit on the part of the spectra outside the group velocity range. After
fitting, we interpolate the line within the group region. The total

baseline offset calculated this way is then subtracted from the ori-
ginal spectrum to obtain the baseline-corrected spectrum. For the
stacked spectrum, we perform the baseline correction after stacking
and not on the individual spectrum. Two examples of baseline cor-
rection are shown in Fig. 3 — stacked spectrum (top panels) and
direct detection spectrum (bottom panels). On the left panels are the
spectrum before baseline correction with the orange line showing
the second-order baseline correction which will be subtracted from
the original spectrum. On the right panels, we show the baseline
corrected spectra. The vertical green lines show the group velocity
range.

3.3.3 H i Mass Determination

The H i mass is determined by integrating the H i mass per unit
frequency over some channel width,

〈MH i〉 =
∫ arest,2

arest,1
MH i,arestdarest . (6)

MNRAS 000, 1–14 (2023)



GAMA: Group HI Content 5

1.415 1.42 1.425

−5x109

0

5x109

1x1010

-1500 -1000 -500 0 250 750 1250

Baseline fitStack
Before correction

1.415 1.42 1.425

−5x109

0

5x109

1x1010

-1500 -1000 -500 0 250 750 1250

Stack
After correction

1.415 1.42 1.425

−1x1010

−5x109

0

5x109

1x1010

1.5x1010

2x1010

-1500 -1000 -500 0 250 750 1250

Baseline fitDirect detection
Before correction

1.415 1.42 1.425

−1x1010

−5x109

0

5x109

1x1010

1.5x1010

2x1010

-1500 -1000 -500 0 250 750 1250

Direct detection
After correction

Rest Frequency (GHz)

H
I 

M
a

s
s
 p

e
r 

u
n

it 
fr

e
q

u
e

n
c
y
 (

M
ʘ

 M
H

z
−
1
)

Rest Velocity (km s−1)

Figure 3. Example of second order baseline correction applied to the group spectra. Baseline correction performed on a stacked spectrum and a direct detection
is shown on the top and bottom rows respectively. The green line shows the group velocity range for each spectra and the orange line shows the baseline fit
done on the data outside the group velocity range. The fit is interpolated for the region in between the group velocity range.

For the group H i mass, we average the H i mass calculated for
increasingwidths beyond the group velocity range.We calculate and
plot the H i mass for varying group velocity widths, which we call
as the curve of growth. This curve is expected to flatten once the H i
signal contribution from the group ends and the variations thereafter
arise from the noise and background. The curves of growth for all
the detections and stacks are shown in Fig. 4. We take an average
of the H i mass instead of fixing it at the group velocity width in
order to consider the variations in the background and to reduce
the impact of our choice on the group velocity width. The curve of
growth for detections (black lines) and stacks (coloured lines) are
shown in Fig. 4.

3.3.4 Direct Detection

Out of the 345 group, we make a signal to noise ratio (SNR) cut of
3 to classify a group spectrum as being a direct detection. The SNR
analysis is performed on the observed flux data using the following
equation from Meyer et al. (2017):

SNR =
𝑆

𝜎𝑆achan
Δachan

√
𝑁chan

(7)

where, S is the integrated flux calculated between the group velocity
width, 𝜎𝑆achan is the root mean square flux density error calculated
on the spectra excluding the region in between the group velocity

width, Δachan is the channel width and 𝑁chan is the number of
channels over which the flux is measured. Any of the group spectra
that do not have sufficient data to perform baseline correction is also
excluded from being classified as a direct detection. We perform
baseline correction for these detections and then calculate their H i
masses.

3.3.5 Stacking

Majority of our group H i spectra have low SNR. Hence, we perform
stacking to extract the average H i emission. Our stacked spectra
includes the contributions from both detections and non-detections.
The stacking is done in 5 different halomass bins— log(Mh/M�) =
11-12, 12-12.5, 12.5-13, 13-13.5, > 13.5. These bins have roughly
been chosen to have equal number of spectra for stacking (∼75) in
each bin.However, in the last bin,we have lower number of spectra to
stack (38) due to the relative rareness of high mass groups. Dividing
the groups into five halo mass bins enables us to study the properties
of groups in a broader range of environments. Further information
about the bin size and number of spectra stacked in each bin are
shown in Table 1. For stacking, we first shift all the group spectra
to their rest frame using Eq. 5. All the aligned mass spectra are
then co-added and averaged with equal weighting applied to each of
the spectrum. In many other analysis, inverse-variance weighting is
often used (e.g. Guo et al. 2020; Roychowdhury et al. 2022; Rhee
et al. 2023). In our case with relatively small numbers of groups in
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Figure 4. Curve of growth - H i mass as a function of velocity width. In black we show the detections and the stacks of logarithmic halo mass bins 11-12,
12-12.5, 12.5-13, 13-13.5, 13.5-14.7 are shown in red, blue, green, orange and magenta respectively. The vertical colored lines show the group velocity range
used for each of the halo mass bin. For all the spectra except the stacked spectrum for the highest halo mass bin, we have spectra extracted over half velocity
width of 1500 km s−1. This is the reason all spectra stop at 1500 km s−1 and the spectra for the final mass bin extends up to 2500 km s−1.

each halo mass bin, we prefer the equal weighting method so as not
to skew the result overly towards a single dominating group. RFI
masked regions in every group spectrum is given zero weighting
while performing the stacking. To calculate the velocity range for
the stacked spectrum, we choose themost outlier galaxy in each halo
mass bin, add/subtract 250 km/s and mirror this on either side of
the spectra. We then perform the baseline correction on the stacked
spectrum and then calculate the H i mass as mentioned earlier (see
Eq. 6) for a single group spectrum. The halo mass of the bin is taken
as the mean of the halo mass of all the groups in a particular bin
that were involved in the stack.

3.4 Error Analysis

The halo mass errors for the direct detections are calculated us-
ing the error corrections in Robotham et al. (2011). These are
based on the number of group members for each group. The
halo mass error decreases with increasing group membership from
∼ 1 dex for NFoF = 2 to ∼ 0.1 dex for NFoF ≥ 19. For the errors in
H i mass for direct detections, we include two contributions - the
errors arising due to uncertain velocity width and the error due to
the noise in the spectrum. First, we look at our H i mass calculation
using the curve of growth. Although the curve of growth is supposed
to be ideally flat, that is not the case because of background noise.
We calculate the 1-sigma variation in the total H i mass by increas-

ing the velocity widths starting from the group velocity range to the
end of the spectrum. This is taken as our first error. Next, we try
to model the effect of noise in our spectrum. For this, we recreate
each detection group spectra by adding a random noise to the flux
at each channel which is calculated by sampling from a uniform
distribution with mean 0 and standard deviation as the root mean
square error of the spectrum. We then recalculate the H i mass for
the new spectra. This is repeated 1000 times and the standard devi-
ation from this is taken as the second error. These two errors could
be correlated, but we follow the conservative approach and add the
errors in quadrature to get the final H i mass error for detections.

For the stacks, we perform a Monte-Carlo (MC) analysis by
recalculating the halomass for each of the 345 groups from a normal
distribution with mean equal to the GAMA group halo mass and
standard deviation equal to the halo mass error. This can result in
groups moving into different halo mass bins. We now recalculate
our full stacking analysis with the new set of halo mass bins and
calculate the H i masses and mean of the new halo mass bins. This
is repeated 1000 times. The standard deviation from these 1000
iterations is taken as the error for our H i mass and halo mass in
each bin.

We use our MC analysis to quantify and correct for Eddington
bias in our data. Eddington bias arises due to the steepness in the
Halo Mass Function combined with the large errors in our halo
masses tending to scatter more low mass halos towards high than
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Figure 5.Monte Carlo analysis of our group stacking. The raw HIHM values for each halo mass bin is shown in green. In black, the 1000 Monte-Carlo sampled
values are shown. The Eddington bias corrected points are shown in red. We can see that significant Eddington bias is only present in the highest mass bin.

the opposite.We use the Eddington bias correction approach used in
Driver et al. (2022b). The results for the Eddington bias correction
applied for each mass bin is shown in Fig. 5. Here, we define the
difference between the raw value and mean of the MC values as
the Eddington bias correction factor. The raw values refer to the
H i mass calculated for the original stacked spectra and these are
shown by the green triangles. The black circles show the 1000 MC
iterations performed by resampling the halo mass of the groups
within their errors. Eddington bias correction factor for each halo
mass bin is then the difference between the green triangle and mean
of the distribution of black points.We subtract this factor once again
from the raw values to obtain the original Eddington bias corrected
values shown by red dots with errors. The errors are given by the 1𝜎
distribution of the black points. The offset between the red, green
and black points show the extent of the Eddington bias at each halo
mass bin. The first 4 bins do not show a large Eddington biaswhereas
the bias is significant for the highest mass bin. The large Eddington
bias we see in our highest mass bin arises because the “knee” of the
halo mass function lies within this bin with a characteristic mass
of log10 (𝑀h/M�) = 14.13+0.43−0.40 (Driver et al. 2022b). Hence, far
more halos are moved across the knee to high mass than vice versa.
We could tighten the upper bound of the bin to mitigate the biases
but choose not to due to the already small number of groups in this
bin. Note that in these bins we measure the mean halo mass and
find that the median has a similar but slightly lower Eddington bias
value. The assumption in our Eddington bias correction approach
is that the correction factor between first order (difference between

red and green point) and second order (difference between green
and black points) Eddington bias is the same. We also perform a
jack-knife analysis in each halo mass bin to estimate the H i mass
error, however we note that this error is subdominant compared to
the error from the MC analysis. Hence, for our final stack results,
we only use the error from MC analysis.

4 RESULTS

4.1 Direct Detections

Based on our SNR cut and group selection, we classify 37 groups
out of 345 as being a direct detection. Spectra for 4 of these 37
groups are shown in Fig. 6. All the spectra are shown in the rest
frame H i velocity space of the central group member. Plotted as
vertical red lines are the spectral locations of the group members
based on their optical redshifts from GAMA catalogue. We follow
the steps described in Section 3.3 to calculate the H i mass for each
of these groups. The curves of growth for all the detections are
shown in Fig. 4 in black. In Fig. A1, we have shown the spectra for
all 37 groups having direct detections and the properties of each of
these are given in Table A1.
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Figure 6. Spectra of 4 (out of 37) groups which have direct detections based on a SNR cut of 3 are shown here. All the spectra have been shifted to the rest
frame. The GAMA Group ID, number of group members and halo mass of the group is shown in each panel. The positions of various group members are
shown in red. We show the all the 37 direct detection spectra in Fig. A1.

Halo Mass Bins Number of Groups log10 (Halo Mass/M�) log10 (H iMass/M�)

[11.0, 12.0) 79 11.62±0.03 9.76+0.10−0.11

[12.0, 12.5) 77 12.30±0.02 9.84+0.14−0.19

[12.5, 13.0) 78 12.79±0.02 10.14+0.14−0.15

[13.0, 13.5) 73 13.25±0.02 10.20+0.18−0.34

[13.5, 14.7) 38 13.70±0.05 10.33+0.19−0.37

Table 1. Group stacking results after Eddington bias Correction. Column 1 - Halo Mass bin, 2 - Number of spectra used in the stack, 3 - Mean Halo Mass of
all the groups in the bin expressed in log units, 4 - H i mass of the stacked spectrum expressed in log units.

4.2 Stacking Results

The stacked spectra in 5 different halo mass bins is shown in Fig. 7.
There is a clear signal in all five bins. The halo mass of the groups
range fromMh/M� = 1011 to 1014.7. H imass and halomass values
for all the individual bins are shown in Table 1. The width of the
stacked spectrum increases with increasing halo mass, as expected,
because the velocity dispersion are higher for groups with more
massive haloes. This is also directly visible in the increasing spread
of red vertical bands with increasing halo mass bin. The spectrum of
the highest mass bin (= 1013.5-1014.7M�) is relatively more noisy.
This bin also has the least number of spectra stacked compared to
the other 4 bins, mainly due to the diminishing number of high mass
groups. For our groups in the highest halo mass bin, we extracted
the spectra with a larger velocity range (±2500 km/s) compared to
groups in other bins (±1500 km/s). This is done because the velocity
width range for the highest mass bin is more than ±1500km s−1 as
can be seen in Fig. 7. We also perform a control stack in each of the
halo mass bin. For this, we randomize the velocity of each group

member and perform the stacking. This should result in a noisy
spectra without any signal. The control stacked spectrum for each
halo mass bin is shown with the grey line in Fig. 7.

4.3 The HIHM Relation

In Fig. 8, we plot the HIHM relation for our set of groups, both
direct detections (red) and stacks (black). The stacked points are
shown after Eddington bias corrections. Literature values from Guo
et al. (2020), Obuljen et al. (2019), Li et al. (2022) and Rhee et al.
(2023) are shown. In the HIHM plot, the detections seem to be
located above the stacks and this is expected given the detections
represent the most H i rich groups for a given halo mass. Hence,
the stacks represent the more average H i content for a group in a
particular halo mass range by construction. For the stacks, the H i
mass increases with halo mass and seems consistent with a power
law. Considering the large errorbars, it can also be argued that the
HIHM relation seems to flatten towards the high-mass end. We see
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Figure 7. Stacks for the GAMA groups in halo mass bins. The green line shows the group velocity width of the stacked spectra. On the top side of each panel the
halo mass range of the stack and the number of groups used for that stack are mentioned. In red lines, the position of each group member is shown. The groups
in the highest halo mass bin have been extracted and stacked over a wider frequency range (±2500 km s−1) because of its larger group velocity range compared
to other 4 bins. In grey, we show a control spectra for each bin where the stacking was performed by randomizing the velocities of each group member.

that the average group H i content is 1.3% of the halo mass at the
lowest mass bin and it comes down to 0.4% of the halo mass at the
highest bin.

Our HIHM results for the stacks is consistent with the results
of Guo et al. (2020) across all the halo mass bins. Guo et al. (2020)
obtained their HIHM relation using a H i group spectral stacking
technique similar to the one used in this work. Their H i data was
also from ALFALFA, but the group catalogue is based on SDSS
data. The halo masses from the Lim et al. (2017) group catalogue
used by Guo et al. (2020) are proxy-masses estimated based on the
stellar mass-halo mass relation. This is very different from the mass
estimates in GAMA group catalogue (Robotham et al. 2011) which
corresponds to dynamical halo mass estimates which are calculated
using group velocity dispersions. Despite the smaller sample and
a different group catalogue, the agreement between our study and
Guo et al. (2020) is very good. We have large error bars on our
stacked results due to the relatively small group sample used in our
stacking alongwith the implementation of an extensiveMonte-Carlo
for error analysis. We clarify that these errors are uncertainties on
our group-stacking results and do not represent the scatter in HIHM
relation.

Rhee et al. (2023) calculated their HIHM relation (shown in
brown in Fig. 8) using the DINGO early-science data and GAMA
group catalogue. H i spectra of individual galaxies from groups
belonging to common halo mass bins were stacked to calculate the

HIHM relation. This is a galaxy-based stacking whereas in our work
we do a group-based stacking. Galaxy-based stacking does not take
into account the contributions from any H i gas that are unbound
to galaxies in the intra-group medium. This would also miss out
on the H i in galaxies that are below the detection limit of GAMA.
Hence, the resultant HIHM relation in Rhee et al. (2023) would be
considered as a lower limit. It can be argued that our derived group
HI masses could be overestimated. The group-stacking technique
tries to include all the H i in groups but on the other hand these
could also be contaminated by interlopers (Chauhan et al. 2021).

In Fig. 8, we show data from Li et al. (2022) in blue. Li
et al. (2022) creates a new H i mass estimator where four different
galaxy properties—surface stellar mass density, color index, stellar
mass and concentration index—are used tomodelH i-to-stellarmass
ratio. This estimator is calibrated with the xGASS sample (Catinella
et al. 2018) and then used to calculate H i mass functions. The final
HIHM relation shown in blue is estimated from Lim et al. (2017)
group catalog. The H i mass of each group member is calculated
using their estimator and summed up to get the total H i mass of a
group. All the groups have been divided into halo mass bins to get
the final HIHM relation. The Li et al. (2022) results fall below our
data at the lowest halo mass bin but predicts more H i in the highest
halo mass bin. The disagreement could be attributed to the modified
H i mass estimation technique used in Li et al. (2022) compared
to the spectral stacking used in this work. It is also important to
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Figure 8. H i-to-Halo Mass Relation for our Group Stacks in halo mass bins as well as individual group detections compared with other observational studies.
The stacked groups are shown in black with the error bars calculated using a Monte-carlo Analysis. These points have Eddington bias corrections applied to
them. In general, we see an increasing trend in the H i mass as a function of halo mass. The individual group detections are shown as red points. We display
the data from Guo et al. (2020), Obuljen et al. (2019), Li et al. (2022) and Rhee et al. (2023). Our method of group H i stacking is most similar to the analysis
done by Guo et al. (2020) and we agree well with their trend within the errorbars. Obuljen et al. (2019) & Li et al. (2022) results are for 𝑁FoF ≥ 1 and the rest
are for 𝑁FoF ≥ 2. We also show the MW, M31 and Virgo measurements from literature.

note that the group membership (𝑁FoF) in Li et al. (2022) includes
𝑁FoF ≥ 1, which can also be the reason for disagreement especially
at the lowest mass end because our sample includes groups with
𝑁FoF ≥ 2.

In orange, we have plotted the data from Obuljen et al. (2019),
which uses a similar dataset as the Guo et al. (2020) i.e. ALFALFA
and SDSS. However, Obuljen et al. (2019) also does not directly
measure the group H i masses but instead it is calculated by in-
tegrating the HIMF at various halo masses. Their HIMF mass
function is calculated using a 2D stepwise maximum likelihood
estimator. Obuljen et al. (2019) probes the high halo mass regime
(∼ 1013-1015 M�). For the halo masses where our study overlaps
with Obuljen et al. (2019), we see that their H i masses are system-
atically higher by ∼ 0.3-0.5 dex. This could either be because they
have systematically overestimated the HIMF for each halo mass, or
because of a steep low-mass slope leading to an overestimate while
integrating the HIMF. Alternatively, our direct stacking measure-
ments may still be missing very low-mass HI that might have been
accounted for in the HIMF. This analysis again includes groups
with 𝑁FoF ≥ 1 which could bias the comparisons with our results,
although the fraction of groups with only one member at the high
halo mass end is expected to be low.

We also show the position of Milky Way (MW), Andromeda

(M31) and Virgo cluster in H i-halo mass plane. The halo masses
of MW (Piffl et al. 2014) and M31 (Kafle et al. 2018) have been
calculated by mass modelling based on the escape velocity of stars
or planetary nebulae. TheVirgo halomass is taken fromKashibadze
et al. (2020). The H imasses of MW,M31 and Virgo are taken from
Kalberla & Kerp (2009), Chemin et al. (2009) and Li et al. (2022)
respectively.

5 COMPARISON WITH GALAXY FORMATION
SIMULATIONS

We compare the HIHM relation observed by us versus that pre-
dicted by the simulations in Fig. 9. We use the IllustrisTNG hy-
drodynamic simulation (Nelson et al. 2018; Pillepich et al. 2018)
and Shark semi-analytical model of galaxy formation (Lagos et al.
2018). The HIHM relation has been studied previously using sim-
ulations (e.g. Villaescusa-Navarro et al. 2018, Spinelli et al. 2020;
Baugh et al. 2019; Chauhan et al. 2020). However, at face value,
there is significant variance between different models. The dotted
lines in Fig. 9 show the HIHM relation from the fiducial results of
TNG (Villaescusa-Navarro et al. 2018), referred to as ‘TNG-ref’
hereafter, in green, and Shark (Chauhan et al. 2020), referred to as
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Group membership Halo mass
definition

Boundary definition
for H i mass

Includes
intra-halo H i Lightcone Occupancy

Observations
(this work)

Galaxy FoF
(Robotham et al. 2011)

Dynamical
(Robotham et al. 2011)

𝑅2D = Rad100 + 1.9′
|Δv | < vmax + 250 km s−1

Yes N/A 𝑁FoF > 1

Shark-mock 1 Galaxy FoF
(Robotham et al. 2011)

𝑀200𝑐 from
abundance matching

𝑅2D < 2𝑅200c
|Δv| = vvir − 2 × vvir

No Yes 𝑁FoF > 1

Shark-mock 2 Galaxy FoF
(Robotham et al. 2011)

Dynamical
(Robotham et al. 2011)

𝑅3D < 𝑅200c − 2 × 𝑅200c No Yes 𝑁FoF > 1

Shark-ref Particle FoF 𝑀200c from FoF 𝑅3D < 𝑅200c No No 𝑁FoF > 0

TNG - mock Particle FoF Dynamical
(Robotham et al. 2011)

All FoF H i Yes No 𝑁FoF > 1

TNG - ref Particle FoF 𝑀vir from FoF
(Bryan & Norman 1998)

All FoF H i Yes No 𝑁FoF > 0

Table 2. Comparison of various simulations and mocks with our observational data. Column 1 - Dataset; Column 2 - indicates how the group membership is
defined; Column 3 - halo mass definitions used; Column 4 - indicates the boundary which was used to calculate the H i mass; Column 5 - Indicates whether
intra-halo H i would be included in the total H i estimation; Column 6 - Indicates whether mock lightcone was used to for the simulation; Column 7 - Indicates
whether the groups include single occupancy halos or not.

‘Shark-ref’ hereafter, in purple. On the other hand, different obser-
vational studies can also differ in their final results. Galaxy group
catalogues built from different surveys usually have different mag-
nitude limits, completeness and hence might miss out on the low
magnitude galaxies. Halo mass measurement also varies for differ-
ent group catalogues, e.g. GAMAgroup catalogue uses a dynamical
mass estimation (Robotham et al. 2011), while abundance-matching
estimates are used for SDSS-based group catalogues (Yang et al.
2005; Lim et al. 2017). Therefore, in order to fairly compare the
results from observations and simulations, it is necessary to first
create mock observations from the same simulations. In Table 2,
we provide a comparison between the observation, simulation and
mocks in terms of how the groups are defined, the halo mass defini-
tion used, the group boundary criteria, whether H i in the intra-halo
medium is included, whether lightcones were used to generate the
simulations and the minimum number of group members.

We compare our results against mock-observational results
from Shark (Chauhan et al. 2021), hereafter ‘Shark-mock’. These
were created from a GAMA-like mock lightcones, applying an AL-
FALFA survey selection to it.Chauhan et al. (2021) ran the same
Robotham et al. (2011) group finder on the mock lightcone, which
allowed them to make a one-to-one comparison with stacking meas-
urements made using FoF-like group finders. Chauhan et al. (2021)
extensively looked at various systematics involved in H i stacking
measurements such as the effects of different apertures, velocity
widths and halo mass estimators. It is important to note here that,
mock stacking as referred to in Chauhan et al. (2021) does not in-
volve actual H i spectral extraction of groups and averaging them.
All the H i in galaxies within each group as defined by the halo-
finder are fully detected and their values are averaged to obtain the
H imass in a given halo mass bin. In Fig. 9, as a blue band, we show
the HIHM relation from the Shark-mock 1, where the group stack-
ing was performed with an adapting group velocity width range
that varied depending on the halo virial velocity (adapted from fig.
10 in Chauhan et al. 2021). The H i masses were calculated by
doing a forward-modelled H i stacking that resembles the realistic
geometrical stacking. However, the halo masses in this case were
obtained from abundance matching and hence are different from
the dynamical halo masses in our stacks. The large scatter between
abundance or dynamically estimated masses against the true halo

masses in Shark can be seen in fig. 4 of Chauhan et al. (2021). Dy-
namical mass estimates would make the relation flatter especially at
the low halo mass end. This is shown by the purple shaded region
in our Fig. 9, Shark-mock 2, where the halo masses are dynam-
ical masses. However, the H i mass in this case are not from mock
stacking but instead the mean H i content of groups identified by the
group finder (adapted from fig. 6 in Chauhan et al. 2021). Shark-
mock 2 groups are defined by a spherical aperture around the central
galaxy instead of a projected aperture. The ideal comparison to our
results would have been a combination of the two Shark mocks
with dynamical halo masses and realistic mock stacking to derive
the H i content. Excluding the initial point, our measurements are
consistent with the Shark-mock 1 but have a systematic disagree-
ment with Shark-mock 2. The reason for the deviation between
Shark-mock and Shark-ref above 1012M� is also attributed to the
large scatter between halo masses estimates in this region, thereby
washing out any dip-like feature of the HIHM in Shark-mocks that
can otherwise be seen in Shark-ref (Chauhan et al. 2021).

For the Illustris TNG simulation, we conduct a different pro-
cedure that helps us to mimic some of the selection functions we
have in the observations, but we caution that we do not build light-
cones or run group finders in this case, as was done in Chauhan
et al. (2021) for Shark; such an analysis is very involved and bey-
ond the scope of this paper. We refer to this as ‘TNG-mock’. For
this, we first select Friends-of-friends (FoF) groups with at least
2 galaxies from the TNG100 simulation (Nelson et al. 2018; Pil-
lepich et al. 2018) with a stellar mass cut of above 108.5M� . The
galaxies were extracted from a pre-constructed dataset of TNG100
galaxies at 𝑧 = 0 with total gas OR stellar masses above 109M�
and DM fractions above 5% (the same dataset used in Davé et al.
2020). The selection is not done based on luminosities, which is
what would ideally be done with a GAMA-like FoF group finder.
The H i masses of the groups were computed using all gas cells in
each FoF group. Our calculation of the H i mass of haloes differs
to Villaescusa-Navarro et al. (2018) (shown as green dotted line in
Fig. 9) in that we have included the updated H i / H2 modelling from
Diemer et al. (2018) and Stevens et al. (2019), using the prescription
based on Gnedin & Draine (2014). The main differences are the im-
proved modelling of the UV field in each halo, which accounts for
local sources from star formation, and the application of a different
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Figure 9. HIHM Relation for our Group Stacks and Direct Detections compared with simulation results from Shark (blue) and Illustris TNG (green). The
dotted lines represent the raw simulation outputs (Villaescusa-Navarro et al. 2018: TNG-ref; Chauhan et al. 2020: Shark-ref). The solid lines show mock
observations created from the simulations, which are better suited for comparison with our data. Mock Shark observations were taken from Chauhan et al.
(2021). The mocks in this case are fully-forward modelled, having simulated a GAMA and ALFALFA sky and having run the Robotham et al. (2011) group
finder. Shark-mock 1, shown by the blue shaded region, calculates H i mass in a similar manner to our work, but using a larger radius and with a varying
velocity window. The halo mass definition, however, is based on abundance matching, and therefore is different to our data. In Shark-mock 2, shown by the
purple shaded region, the opposite is true; that is, halo mass is defined the same way as in our results, but the H i masses are a direct sum of the known H i
masses of the simulated group members. Mock TNG results, shown with green hexagons, were created by selecting FoF groups with 2 or more members,
and H i masses were computed with the improved H i / H2 modelling developed in Stevens et al. (2019). The halo masses are dynamical masses, calculated
in a similar way as the GAMA group catalogue, but the halo catalogue has not been modified from the public one. The running mean of the TNG mock is
shown by the solid green line; this can be fairly compared with our results and shows remarkable agreement. Note that, while TNG-mock is not fully forward
modelled as the Shark-mock, selection cuts were made to be consistent with GAMA and ALFALFA. We show our 37 direct group detections in red and in
green hexagons we show the distribution of the TNG-mock groups in the HIHM plane. The darker hexagons correspond to higher number of groups in a given
hexbin. The location of direct detections on the HIHM plot, although naturally biased higher than the stacks as these would be more H i-rich, is in agreement
with the distribution of TNG groups.

prescription for how the UV and presence of metals/dust affects the
molecular/atomic equilibrium. We have also excluded haloes occu-
pied by a single galaxy to match the group definition of GAMA.
To make a fair comparison between our results and TNG100, we
recompute the simulation’s halo masses to be consistent with the
dynamical method of Robotham et al. (2011) used for the GAMA
groups. While less ideal, we maintain the FoF group definition as
in the public TNG data. The location of these TNG-mock results on

the HIHM plot is shown by the green 2D histogram in Fig. 9 with
darker hexbins corresponding to higher number of groups, and we
have calculated a runningmean shown as solid green line. Themean
HIHM relation from the TNG-mock is consistent with our group
stacking results.The reason for the deviation between TNG-mock
and TNG-ref is due to the different halo mass definitions. We also
plot our direct detections in Fig. 9 as red circles. The distribution of
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our direct detections is in agreement with the distribution of groups
in the TNG-mock as shown by the 2D histogram.

Our overall analysis is largely restricted to halo mass below
∼ 1014M� thereby not enabling a proper comparison in the cluster
regime. Obuljen et al. (2019) and simulations (Chauhan et al. 2020;
Villaescusa-Navarro et al. 2018) suggest an increasing trend of the
group H i masses even beyond 1014M� .The better consistency of
our results with the mock observations compared to simulations’
fiducial results, highlights the importance to create mock catalogues
for a fairer comparison between the observations and simulations.
The comparisons do show that the way the mocks are observed
also affects the resulting HIHM relation (Chauhan et al. 2021).
The significant agreement between our data and the predictions of
two simulations, which utilized different computational methods,
assumptions, and baryon physics implementations, but both based
on ΛCDM, is yet another example of the success of the standard
cosmological model.

6 CONCLUSIONS

In this paper, we have calculated the H i content of galaxy groups
in the overlap region of ALFALFA and GAMA surveys. We have
used the GAMA group catalogue to determine the location and halo
mass of the groups. After spectral extraction and cleaning, we have
345 groups in a halo mass range from 1011M� - 1014.7M� on
which we perform our analysis. From the individual group spectra,
we have obtained 37 direct detections with SNR > 3. We divide
the 345 groups into 5 halo mass bins (see Table 1) and perform the
stacking analysis in each bin. We also perform an Eddington bias
correction on our stacked results. Eddington bias is prominent only
in the highest mass bin.

We look at the HIHM relation for our direct detections and
the stacks. The direct group detections are naturally biased to have
higher H i masses at a given halo mass than the stacks. But, we see
that the location of these direct detections on the HIHM plane is
consistent with the mock observations done with TNG. We see an
increasing trend of H imass as a function of halomass with some in-
dication of flattening towards the higher halo mass end. The average
H imass content changes from 1.3% of the halo mass at 1011.62M�
to 0.4% at 1013.70M� . We compare our HIHMmeasurements with
previous studies. We find that our results are consistent with the
H i group stacking measurements of Guo et al. (2020). Despite, the
differences in group catalogues, survey detection limits as well as
the halo mass measurement techniques between our work and Guo
et al. (2020), the results agree across the entire halo mass range.
We do find differences with Li et al. (2022) and Obuljen et al.
(2019) at the lowest and highest halo mass bins. This could be due
to systematic bias in the way the HIHM relation has been calcu-
lated in the two studies. We compare our results with simulations
and mock observations of Shark and TNG. We see that our results
are fairly consistent with mock observations and point out that it
is essential to create mock observations when making comparisons
with theoretical studies. Since, we do not probe the cluster regime
in this study, we need future studies of high-mass groups to val-
idate these results. Deeper and more sensitive H i surveys such as
DINGO on Australian Square Kilometre Array Pathfinder (ASKAP,
Johnston et al. 2007, 2008; Hotan et al. 2021) and the H i emission
project within the MeerKAT International GigaHertz Tiered Ex-
tragalactic Exploration (MIGHTEE-H i, Jarvis et al. 2016; Maddox
et al. 2021) survey on the Meer-Karoo Array Telescope (MeerKAT,

Jonas & MeerKAT Team 2016) will enable improved studies of the
H i-to-halo mass relation.
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APPENDIX A: INDIVIDUAL DETECTIONS

We present here the results of the 37 direct detected groups from
our study. In Table 2, we provide the properties of all these direct
detections, and in Fig. A1we show the group spectra of all the direct
detections.
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Figure A1. Spectra of all the 37 groups which have detections based on a SNR cut of 3. All the spectra have been shifted to the rest frame. The GAMA Group
ID, number of group members and halo mass of the group is shown in each panel. In red lines, the position of various group members are shown. The vertical
green line shows the group velocity range.
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Figure A1. Continued
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Group ID Nfof log10 (Halo Mass/M�) log10 (H iMass/M�)
104257 2 11.21 ± 1 9 ± 0.04
104903 2 11.21 ± 1 9.52 ± 0.03
104942 2 11.75 ± 1 10.1 ± 0.02
104959 2 11.27 ± 1 9.39 ± 0.06
201275 4 12.72 ± 0.49 10.16 ± 0.03
202943 3 11.06 ± 0.68 10.36 ± 0.01
202983 3 12.53 ± 0.68 9.59 ± 0.02
206618∗ 2 12.32 ± 1 9.54 ± 0.03
300387 7 12.97 ± 0.28 11.24 ± 0.01
300394 6 13.22 ± 0.33 11.12 ± 0.01
300576 5 12.89 ± 0.4 10.55 ± 0.03
300594 5 12.49 ± 0.4 10.49 ± 0.03
300618 8 13.46 ± 0.24 10.34 ± 0.02
303979∗ 2 13.48 ± 1 10.35 ± 0.08
305114 2 11.98 ± 1 9.73 ± 0.03
100116 21 13.41 ± 0.09 10.82 ± 0.03
100350 8 13.06 ± 0.24 10.56 ± 0.03
101990∗ 3 12.98 ± 0.68 10.93 ± 0.02
104175 2 11.66 ± 1 10.1 ± 0.04
105107 2 13.18 ± 1 10.18 ± 0.02
200208 17 13.47 ± 0.12 10.71 ± 0.04
200556 5 13.05 ± 0.4 10.5 ± 0.06
200857∗ 4 11.26 ± 0.49 10.09 ± 0.08
202650∗ 3 11.94 ± 0.68 10.67 ± 0.03
203156 2 12.88 ± 1 10.4 ± 0.03
204108 2 11.16 ± 1 9.65 ± 0.05
204616 2 12.49 ± 1 10.06 ± 0.03
300106 11 12.46 ± 0.17 10.62 ± 0.05
301110 4 12.51 ± 0.49 10.59 ± 0.03
301438 6 13.64 ± 0.33 11.16 ± 0.05
301751 3 12.52 ± 0.68 10.21 ± 0.03
303789 2 12.33 ± 1 9.91 ± 0.03
303881 2 12.13 ± 1 9.82 ± 0.03
304103 2 12.04 ± 1 10.45 ± 0.04
305154 2 13.4 ± 1 10.09 ± 0.06
305259 2 13.57 ± 1 10.48 ± 0.03
305376 2 12.1 ± 1 10.12 ± 0.06

Table A1. Properties of the direct detections. Column 1 - GAMAGroup ID,
2 - Number of group members, 3 - Halo Mass the group in log units, 4 - H i
mass of the group in log units. The Group IDs which have an asterisk (*)
are those that have incomplete spectra due to RFI. The H i masses of these
groups should be taken as lower limit.
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1. Introduction

Cosmic rays (CR) are electrically charged particles, comprised mostly of atomic nuclei and electrons.

These particles arrive uniformly from outer space and penetrate the Earth’s atmosphere. The discovery

of CRs dates back to 1912 when Viktor Hess made the first balloon measurements [1]. The investigation

of the CR flux on Earth has been ongoing for more than a century, and various experiments have

provided detailed measurements. Today, it is a well known fact that protons are the dominant particles

in the CR spectrum, followed by helium nuclei, as it was reviewed in detail in [2–4]. A simple power-law
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model∗ with a spectral index of –2.7 provides a good approximation of the all-particle CR spectrum

from 30 GeV up to the ’knee’ feature, which is a prominent spectral feature seen at 3 PeV (1 PeV

= 1015 eV) energies. The CR spectrum steepens significantly above the knee energy and changes its

index to a softer value of ∼–3.1. There exists experimental evidence suggesting that the knee feature

for light nuclei, such as protons and helium, may be below 1 PeV, even around 700 TeV [5]. However,

at least for the all-particle CR spectrum, which includes heavy elements, it is a well-established fact

that the spectral steepening occurs well above 1 PeV energies [6]. Despite being observed for over a

century, the exact sources, acceleration, and propagation mechanisms of CRs still remain unknown,

and intense research is ongoing in this field.

Two main physical interpretations of the knee feature observed in the CR spectrum are widely

mentioned in the literature as detailed in [7]. The first interpretation describes the knee energy as

the upper limit of achievable energy by particle accelerators located within our Galaxy. As a result,

this limits the maximum energy that can be reached by particles in Galactic objects to 3 PeV. The

second interpretation, which is more popular, suggests a connection between the knee energy and the

maximum energy of charged particles that can be magnetically confined within our Galaxy due to the

presence of the Galactic magnetic fields. This interpretation does not impose any restrictions on the

maximum achievable energy of Galactic particle accelerators, but explains the spectral steepening by

attributing it to a reduction in CR flux due to particles escaping from our Galaxy. Nevertheless, in

both interpretations, it is evident that there must exist some Galactic objects capable of accelerating

particles at least up to PeV energies.

The term ’PeVatron’ is commonly used in astronomy to refer to astrophysical sources that can

accelerate particles, such as electrons, protons, and nuclei, up to PeV energies and beyond. These

astrophysical PeVatrons are among the most intriguing and enigmatic objects in the Universe. The

growing interest in PeVatron sources is directly related to one of the most fundamental scientific

questions, which has remained unresolved and mysterious since the first observation of CRs in 1912,

namely ’the question of the origin of Galactic CRs’. Up to date, no Galactic source class has been

identified with firm evidence of CR acceleration, more precisely hadronic acceleration, up to PeV

energies and beyond. However, several sources, including supernova remnants (SNRs) [8], massive

stars and stellar clusters [9], pulsars and pulsar winds [10–12], star formation regions (SFR) [13], super

massive black holes (SMBH) [14], microquasars [15], and superbubbles [16, 17] have been proposed as

potential sources of Galactic PeV CRs, in other words, the Galactic PeVatrons.

One of the main challenges in the search for the Galactic sources of PeV CRs is related to the

extremely high energies of these particles, which allows them to travel vast distances through space

before reaching the Earth. Due to the deflection of these charged particles by Galactic magnetic fields,

it is impossible to trace back their origins through CR measurements performed on Earth. Instead,

astronomers must search for signatures of Galactic PeVatrons by means of neutral messengers, which

are not affected by Galactic magnetic fields. Basically, these neutral messengers are γ rays and neu-

trinos that are generated when high energy CRs collide with target material, e.g. molecular clouds,

∗A power-law distribution is defined as Φ(E) = Φ0 (E0 ) (E/E0 )−Γ , where Φ0 (E0 ) is the normalization at the
reference energy of E0 and Γ is the spectral index.

3
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present in the interstellar medium. Recent advancements in very high energy (VHE, E>0.1 TeV)

and ultrahigh energy (UHE, E>0.1 PeV) γ -ray astronomy have provided unprecedented observa-

tional data to search for signatures of Galactic PeVatrons. However, further deeper investigation is

required for their robust confirmation, to establish their characteristic properties, and comprehend

their acceleration mechanisms. Indeed, resolving this century-old mystery would constitute a signif-

icant breakthrough in our understanding of the Universe, and the ongoing high energy processes in

it.

This review article discusses the current state and potential future directions for investigating

Galactic PeVatrons by means of ground-based γ -ray observations. The review article is organized as

follows: Section 2 provides a brief introduction to the CR spectrum, and a discussion of its spectral

characteristics. Section 3 covers the basics of ground-based γ -ray astronomy, and its relevance to

the search of Galactic PeVatrons. The current understanding of Galactic PeVatrons is discussed

in Sect. 4, providing a clear definition for the PeVatron concept, along with specific discussions on

given examples. Section 5 provides a general review and wide discussion on the spectral signatures

of PeVatron sources, together with analysis methods used to determine these unique signatures.

In Section 6, the problem of source confusion is examined, with particular examples of Galactic

sources such as HESS J1641−463, HESS J1825−137, HESS J1702−420, and the γ -ray emission from

the region including SNR G106.3+2.7 and the Boomerang Nebula. Finally, Section 7 presents the

summary and conclusions of the review.

2. Cosmic rays

A very brief and plain definition of CRs is given in [18] as ”A steady rain of charged particles, moving

at nearly the speed of light, falls upon our planet at all times and from all directions in the sky. These

particles are just the nuclei of ordinary atoms stripped of their electrons, for the most part nuclei of

hydrogen”. These ’rain of charged particles’ was first discovered by Viktor Hess [1] with several balloon

experiments and was named as ”cosmic rays” by Millikan in 1928. Later, Viktor Hess was awarded the

Nobel Prize in Physics in 1936 for the discovery of CRs. The CRs are one of the fundamental aspect of

the study of high energy astrophysics. Their spectrum provides extremely valuable information about

the origin and acceleration of CRs, their propagation through the interstellar medium, and their role

in shaping the evolution of the Universe.

Since their first discovery, decades of measurements from various experiments have contributed

to the reconstruction of a highly detailed energy spectrum for CRs. The spectral energy distribution

of CRs, which ranges from a few GeV to over 1020 eV energies, is shown in Figure 1. Presently, it

is a well-known fact that the CR spectrum consist of a mixture of charged particles, such as protons

(∼87%), Helium (∼12%), leptons (∼2%) and heavier ions (∼1%), as discussed in great detail in

[2–4]. While space-based particle detector experiments can in principle detect CRs with energies below

100 TeV energies, ground-based indirect detection techniques, utilizing air showers induced by CRs,

are used to detect those with energies above PeV [19].

The CR spectrum measured from Earth, shown in Figure 1, exhibits a sharp turnover at energies

below ∼30 GeV, and this spectral feature is related to the magnetized outflowing solar wind generated
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Figure 1. The all particle cosmic-ray (top) and proton (bottom) energy spectra measured from earth. The
figure is adopted from [20]. The all particle cosmic-ray spectrum data is taken from AUGER [21], HAWC [22],
ICETOP+ICECUBE [23], KASCADE-Grande [24], KASCADE [25], NUCLEON [26], Telescope Array [27],
TIBET-AS [28] and TUNKA [29] observations. The experiments providing ’proton’ measurements are given
in the box with solid lines, while for the experiments providing ’all particle’ spectra are given in the box with
dashed lines. The ’knee’ and ’ankle’ features are indicated with black arrows on the spectrum.

by our star. This physical phenomenon is known as ’solar modulation’ [30], and basically prevents

low energy CRs from reaching the Earth. Conversely, the CR spectrum above 30 GeV follows a

smooth, single power-law distribution with a spectral index of ∼2.7 up to a spectral feature called

the ”knee”, which is observed at energies of ∼3 PeV. At this spectral break point, the CR spectrum

steepens significantly by changing its spectral index value from 2.7 to 3.1. In principle, all known

acceleration mechanisms are rigidity-dependent†. Thus, the actual knee feature seen in the all-particle

CR spectrum can be considered as the superposition of different CR species exhibiting spectral cutoffs

at different energies. This basically means that, if the maximum energy of protons in our Galaxy

is assumed to be i.e. 3−4 PeV, the maximum energy of heavier nuclei should scale proportionally

†Rigidity is a measure of deflection of a particle of charge Z and momentum p in a magnetic field B, and given as
R = pc/Ze (in volts). Different particles will have the same dynamics in a magnetic field if they have the same rigidity.
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with the charge of the nucleus in question. For protons, the knee is observed between 700 TeV [5]

and 3−4 PeV [31], whereas for the heaviest nuclei such as Fe (Z=26), the (corresponding Fe) knee is

located around 100 PeV.

The CR spectrum exhibits another characteristic spectral feature at energies below the knee.

Around ∼300 GeV, there is a noticeable spectral hardening in all nuclear species, with protons and

helium exhibiting the most significant effects [32, 33]. The spectral index of protons changes from

Γp = 2.89 ± 0.015 below 300 GeV to Γp = 2.67 ± 0.03 above that threshold, while the spectrum of

helium nuclei is found to be systematically harder [34]. Additionally, there are indications of hardening

in the spectra of heavier elements. This unique feature in the CR spectrum is connected to the physics

of propagation in the Milky Way as reviewed in [2, 35].

At higher energies around ∼1018 eV, another characteristic spectral feature known as ’ankle’

emerges. At this point, the power-law spectral index reverts its values back to 2.7. Considering that

the interstellar medium (ISM) has a typical magnetic field strength of a few µG‡, and that the size

of the Galactic halo is a few tens of kpc, CRs with energies ranging from 1016 − 1017 eV should be

confined within the Galaxy. However, CRs with energies beyond the ankle have a larger gyroradius

and cannot be confined within the Galaxy, indicating that they have extra-galactic origin. As a result,

the transition between Galactic and extra-galactic CRs is believed to occur between the knee and the

ankle energies, although this is still a subject of debate [36].

2.1. Galactic cosmic-rays

As previously mentioned, the CR spectrum detected on Earth reveals a number of characteristic

spectral features, particularly the knee feature, the change in composition around the knee, and the

spectral hardening observed at ∼300 GeV. These features suggest that the majority of CRs are

generated and accelerated by a rigidity-dependent acceleration mechanism at CR factories located in

our Galaxy, with heavier nuclei capable of achieving higher maximum energies [2–4]. Consequently,

the CR spectrum displaying a notable power-law behavior over several orders of magnitude up to

the knee is a clear indication that Galactic sources must accelerate CRs to at least PeV energies and

beyond.

The CR sources in the Galaxy inject particles into the ISM, where they can be deflected by

turbulent magnetic fields, resulting in confinement of CRs within the Galaxy for up to tens of millions

of years through scattering [4]. However, it is crucial to understand that the CR spectrum observed

from Earth is influenced by several factors, including (i) the acceleration of CRs in Galactic sources,

(ii) the propagation of CRs within their acceleration sites, (iii) the escape of CRs from acceleration

sites, and (iv) the propagation of CRs in the ISM until they reach Earth. As a result, CRs continuously

bombard Earth’s atmosphere in an isotropic manner without carrying information about their origin,

making the determination of their origin extremely challenging. Thus, neutral messengers generated

by CR interactions, such as γ rays and neutrinos, are typically utilized for localizing CR sources. It

‡The exact structure and values of Galactic magnetic fields are poorly constrained. In the vicinity of the solar
system, B is ∼2 µG, while average Galactic field strength is 3−6 µG. Assuming an average field strength of 3 µG, the
corresponding energy density of the field is B2 /8π = 4 × 10−13 erg/cm−3 ≈ 0.25 eV/cm−3 .
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is worth mentioning that the average energy density of Galactic CRs measured at Earth is around

UCR = 1 eV/cm3 , and mainly concentrated around ∼1 GeV energies. Assuming that the average

confinement time of CRs within the Galaxy is ∼10 Myr, the average power needed by CR sources

in our Galaxy to sustain the Galactic CR flux at the observed level can be estimated as PCR =

(3−10)×1040 erg/s. Due to the broad scope of Galactic CRs topic, it is not feasible to provide

additional specific information within this review. However, there are numerous other captivating

reviews available on this topic, i.e. see [2, 3, 35, 37–40], offering much more comprehensive details and

insights.

3. Ground-based γ -ray astronomy

Gamma-ray astronomy is the branch of astronomy that deals with the detection, analysis and inter-

pretation of γ -ray radiation with photon energies above a few 100 keV. Today, the most energetic

photon ever observed, with Eγ = 1.4 PeV, was detected from the direction of the Cygnus region [41].

As it was reviewed in [42], emission of nonthermal radiation is a common characteristic shared by all

γ -ray sources. Consequently, γ -ray astronomy primarily investigates the nonthermal Universe. Unlike

thermal radiation generated by the thermal motion of particles in matter, nonthermal radiation can

arise from very different origins, such as decay of particles, the interaction of nonthermal particle pop-

ulations with photons fields and matter, or even from the annihilation of dark matter particles. The

significant advantage and uniqueness of γ -ray observations is that the γ -ray energy band is devoid

of thermal radiation, providing a clear view of the nonthermal physics present in the Universe. It is

worth noting that although there is no theoretical limit to the maximum energy of γ rays, the pair

production effect (see subsection 5.4 for a detailed discussion) on interstellar photon fields like cosmic

microwave background (CMB) or infrared (IR) dust emission puts a limit on the observable γ -ray

universe.

When γ rays arrive at Earth, they interact with the atmosphere and initiate electromagnetic

cascades of particles known as ’extensive air showers (EAS)’. As a result, direct detection of γ rays

from astrophysical sources is only possible from space, outside the Earth’s atmosphere. Therefore,

observations of γ rays are conducted either directly from space-based satellite missions, or indirectly

from ground-based observatories utilizing EAS. The flux of γ rays reaching Earth, defined by the

number of γ -ray photons detected per unit area (i.e. cm−2 ) per unit time (i.e. s−1 ), is drastically

reduced at higher γ -ray energies, especially beyond a few hundred GeV. For instance, only a few

photons per m2 per year are expected above 1 TeV energies [43] even from the brightest γ -ray

sources. As a result, the collection area of space-based satellite missions, which is only a few m2 , is

insufficient for collecting reasonable event statistics above TeV energies that enable reliable analysis

of astrophysical data. Instead, ground-based instruments, which detect secondary products resulting

from electromagnetic cascades, such as particles reaching the ground or Cherenkov light emitted by

these particles, are utilized for γ -ray astronomy above 0.1 TeV. For instance, Cherenkov telescope

systems with their typical effective collection area being in the range of ∼105 –106 m2 allow the

collection of reasonable event statistics even after O(10) hours of observation. The energy threshold
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of 0.1 TeV marks the lower limit of the VHE γ -ray regime, while the upper limit is generally quoted as

100 TeV. The UHE γ -ray regime is defined beyond this upper limit, with energies exceeding 0.1 PeV.

Figure 2 illustrates two main approaches that are used to detect γ -rays from the ground.

Figure 2. Detection techniques for ground-based gamma-ray astronomy. The inset shows the working principle
of a water Cherenkov particle detector. Figure and caption are taken from [44].

1: Particle detector arrays: Particle detector arrays are typically positioned at high altitudes of

around ∼4–5 km. The working principle of particle arrays is based on the direct detection

of the particles generated in EAS through their water Cherenkov detector tanks (see inset of

Figure 2). As charged EAS particles travel through water, they emit Cherenkov light, which can

be detected by photosensors located inside the tanks. Scintillator (electromagnetic) detectors and

muon detectors can be incorporated into particle detector arrays, with the former being utilized

to the UHE sensitivity and the latter to improve background rejection of the experiment.

2: Imaging atmospheric Cherenkov telescopes (IACTs): Cherenkov telescopes are typically situ-

ated at altitudes ranging from 1 to 3 km. IACTs detect the Cherenkov light generated by EAS

particles in the atmosphere. An IACT system typically consists of two or more Cherenkov tele-

scopes, enabling stereoscopic imaging of the same shower from different angles. The stereoscopic

imaging technique can achieve an impressive angular resolution better than ∼0.1◦ (equivalent

to 5−6 arc min) depending the number of telescopes.

Particle detector arrays offer few advantages over IACTs, such as a superior duty cycle, wider
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Table 1. Comparison between key characteristics of IACTs and particle arrays. Examples of currently operating
and upcoming IACTs and particle array experiments are also given in a separate rows.

Instrument IACTs Particle Arrays
Characteristics

Energy range [∼30 GeV, ∼100 TeV] [∼500 GeV, ∼1 PeV]
Duty cycle ∼10% (∼1000 h/yr) >95%

Field of view ∼5◦ (∼ a few msr) ∼90◦ (∼ sr)
Energy resolution ∼15% ∼40%
Angular resolution ∼0.1◦ ∼0.25◦

Background rejection >99% ∼90%

Currently operating H.E.S.S. [46], VERITAS [47] LHAASO [48], HAWC [49]
instruments MAGIC [50], CTA-LST [51] Tibet AS-γ [52]

Planned future CTA-South and CTA-North [53] SWGO [54]
instruments ASTRI Mini-array [55] ALPACA [56]

field of view, and increased energy range up to PeV energies. However, IACTs can achieve much better

angular and energy resolution when compared to particle arrays. Table 1 provides a comparison of

key performance characteristics between these two observation techniques, along with examples of

currently operating and planned future observatories. For a more comprehensive overview of the

current ground-based γ -ray facilities, including their detailed descriptions and locations, please refer

to [45].

Figure 3. Left figure: The 50 h differential sensitivity of future CTA South and North arrays compared
to MAGIC, VERITAS and HESS 50 h sensitivity. Fermi (10 years), HAWC (5 years), SWGO (5 years)
and LHAASO (1 year) sensitivity curves are also given for comparison. Right figure: comparison of angular
resolution, which is expressed as the 68% containment radius of reconstructed γ rays, between CTA arrays and
other experiments. The figures are taken from https://www.cta-observatory.org/science/ctao-performance/.

Figure 3 shows a comparison of differential flux sensitivity (left) and angular resolution (right)

between different ground-based instruments, including both IACT and particle array experiments.
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Figure 4. Top, middle and bottom show the significance map of a part of Galactic plane above 100 TeV from
LHAASO observations [57], above 56 TeV from HAWC observations [58] and above 1 TeV from HESS Galactic
plane survey (HGPS) [59].

One of the most important and notable indication of the figure is the fact that combining IACTs

and particle arrays can result in effective synergy for studying and understanding the nature of

astrophysical sources, particularly in the energy range of few tens of TeV to PeV energies. As it

can be seen from the left figure, IACTs have better flux sensitivity below ∼10 TeV energies, whereas

particle arrays have much better sensitivity above ∼10 TeV. The latter is, in principle, the key factor

of locating PeVatrons in the Galaxy, and consequently making particle array experiments ’PeVatron

hunters’. On the other hand, IACTs offer superior angular resolution performance throughout the

entire energy range due to the stereoscopic imaging technique, providing up to 3−4 times improvement

over particle arrays above 10 TeV energies (see the right panel of Figure 3). In order to provide a

better visualisation, the comparison of significance maps of a part of the Galactic plane, reconstructed

by different ground-based experiments, above various energy thresholds is shown in Figure 4. The

bottom panel (E>1 TeV map) illustrates that the angular resolution of H.E.S.S. telescopes is capable
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of detecting detailed fine structures and numerous γ -ray sources. Moreover, given the good angular

resolution of HESS telescopes around 0.1◦ , even if these γ -ray sources are located in a very close

proximity with an angular separation of less than 0.2◦–0.3◦ , they can still be distinguished from each

other. However, as the energy threshold increases (see Figure 4 middle and top panels for E> 56 TeV

and E> 100 TeV maps, respectively), the number of sources decreases due to both astrophysical

nature, i.e. sources are not powerful enough to produce γ -ray emission above several 10’s of TeV,

and degraded angular resolution of observations, i.e. nearby sources with angular separation less than

0.2◦–0.3◦ will appear as a single source. As a result, observations of E>10 TeV regime with particle

arrays often suffer from source confusion (see Section 6 for a very detailed discussions on the source

confusion), in case there are two (or more) sources located in a close proximity. To address this issue

of source confusion, high angular resolution IACT observations are required. Consequently, it may be

possible to pinpoint the actual astrophysical origin of the E>100 TeV emission by performing high

angular resolution observations of the UHE γ -ray emission regions.

Furthermore, IACTs offer significantly better energy resolution when compared to particle

arrays, enabling detailed spectral studies and the ability to identify and resolve potential spectral

structures in source spectra. This feature is particularly valuable and crucial in situations where

two different γ -ray production mechanisms, such as both hadronic and leptonic mechanisms, are

simultaneously at work and it is not possible to discriminate them morphologically. For instance,

such a source would appear as a point source, while its spectrum is a combination of γ -ray spectra

generated by both hadronic and leptonic mechanisms. High energy resolution observations can be

helpful in distinguishing between these two emission mechanisms, especially when the hadronic process

dominates at high energies, leading to a hardening of the source spectrum.

On the other hand, particle arrays have two critical advantages: their excellent duty cycle

(>99%) and large field of view, allowing them to continuously monitor ∼15% of the entire sky. These

properties make particle arrays highly suitable for searching for transients, and conducting follow-up

observations in response to alerts raised by neutrino, gravitational waves or satellite experiments.

Finally, a comprehensive understanding of the nature of sources under investigation would

require combined γ -ray observations from IACTs, particle arrays, and even satellite missions like

Fermi-LAT [60]. Further details on the fundamental principles of ground-based γ -ray observatories

are beyond the scope of this particular review. However, numerous comprehensive and informative

review articles are available, i.e. see [42, 43, 45, 61–63].

3.1. Galactic diffuse γ -ray emission at UHEs

The Galactic diffuse γ -ray emission (GDE) refers to the γ -ray emissions observed mostly from the

direction of the Galactic plane on a large scale. As discussed in [68] in detail, there are three primary

components that contribute to the GDE. The first one has hadronic origin and results from the decay

of π0 , which is produced from the interactions between CRs in the Galaxy and the gas present in

the ISM. The other two components originate from leptons and arise from the inverse Compton (IC)

scattering of interstellar radiation fields from cosmic electrons/positrons, and the bremsstrahlung

radiation, respectively.
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Figure 5. Left panel: The γ -ray spectra computed within the conventional (base) and γ -optimized scenarios
are compared to ARGO-YBJ [64], Tibet AS-γ [65] and LHAASO [66] (preliminary) data in the window |b |
< 5◦ , 25◦ < l < 100◦ , showing also the effect of γ -ray absorption onto the CMB photons for the γ -optimized
scenario (see [67] for more details). The left figure and caption are taken from [67]. Right panel: simple power-
law model fit to Tibet AS-γ diffuse emission data [65] above 100 TeV energies. The black points show the
reconstructed γ -ray flux points with 1σ statistical errors, while the red line and shaded region show the best-fit
power-law model to the data and 1σ error interval, respectively.

Table 2. The number of background events above 100 TeV obtained experimentally from LHAASO observations
are given, together with the exposure for each source. All values are taken from extended data table 1 of [57].
The number of background events above 100 TeV estimated from Eq. 1 for each UHE source is provided. The
’Rel. Diff.’ column gives the relative difference between the number of background events.

Source Exposure # of background # of background Rel. diff.
name (h) events (LHAASO) events (GDE model) (%)

LHAASO J0534+2022 2236.4 5.5 5.7±2.1 3.6
LHAASO J1825−1326 1149.3 3.2 2.9±1.1 9.4
LHAASO J1839−0545 1614.5 4.2 4.1±1.5 2.4
LHAASO J1843−0338 1715.4 4.3 4.4±1.6 2.3
LHAASO J1849−0003 1865.3 4.8 4.8±1.7 0.0
LHAASO J1908+0621 2058.0 5.1 5.3±1.9 3.9
LHAASO J1929+1745 2282.6 5.8 5.8±2.1 0.0
LHAASO J1956+2845 2461.5 6.1 6.3±2.3 3.3
LHAASO J2018+3651 2610.7 6.3 6.7±2.4 6.3
LHAASO J2032+4102 2648.2 6.7 6.8±2.5 1.5
LHAASO J2108+5157 2525.8 6.4 6.5±2.4 1.6
LHAASO J2226+6057 2401.3 6.2 6.1±2.3 1.6

The GDE is a vital tool for studying the production, propagation and interaction of CRs in

the Galaxy. While local measurements of CR flux near Earth provide limited information, the GDE

allows for direct measurement of CR distribution across the entire Galaxy. As discussed in [67], the

GDE detected from low Galactic longitude regions can provide essential information regarding the

propagation of CRs in the inner regions of the Galaxy, while CR transport conditions are expected

to provide different picture for the average Galactic plane, resulting in a radially dependent CR

spectrum. To study the GDE, a comprehensive survey covering a significant portion of the Galactic
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plane is necessary. In the initial step of the GDE analysis, the known sources and regions displaying

significant emission are masked and removed from the survey data analysis. However, the remaining

emission still contains instrument CR background§, necessitating a proper background estimation

depending on the experiment. Finally, the GDE can be estimated for the specific Galactic region that

the instrument covers. It is worth noting that even after the subtraction of CR background and known

sources, the GDE may still include emission from unresolved sources¶. For instance, the process of

estimating GDE at TeV energies is discussed in detail in [69, 70]. Investigating the GDE at UHEs is

particularly crucial, since it is expected that the primary contribution at these extreme energies will

come from the decay of π0 resulting from interactions between Galactic CRs with energies of 1 PeV

(and beyond) and the interstellar gas. The ARGO-YBJ [64], LHAASO [66], and Tibet AS-γ [65]

experiments have conducted GDE studies at energies above 100 TeV. The findings of these studies

have been combined and thoroughly discussed in [67] as presented in Figure 5 (left).

In this subsection, an initial benchmark estimate of the diffuse UHE γ -ray emission is provided

by fitting a simple power-law to the Tibet AS-γ flux data published in [65]. The obtained flux model

is then employed to estimate the background event counts of UHE LHAASO sources. The best-fit

power-law model to UHE diffuse flux data is shown in Figure 5 (right), and the best-fit parameters are

estimated as Φ0 (300 TeV) = (1.8135 ± 0.6175)×10−16 cm−2 s−1 sr−1 TeV−1 , and Γ = 3.03 ± 0.54,

leading to integral diffuse γ -ray flux of Fγ,diff (>100 TeV) = (2.48 ± 0.91)×10−13 cm−2 s−1 sr−1 .

With some basic assumptions, this model can be used to forecast the number of background events

detected by particle array experiments. The detected number of diffuse γ -ray events above 100 TeV

can be estimated as

Nbkg,diff(E > 100 TeV) = Fγ,diff(> 100 TeV)×AEff ×AreaOff × TObs, (1)

where Fγ,diff (>100 TeV) is the diffuse integral flux above 100 TeV obtained from the GDE model, AEff

is the effective area of the instrument (above 100 TeV), AreaOff is the area of the background region

(in steradian) where the background counts are estimated from, and TObs is the observation time.

Table 2 provides a comparison between the number of background events observed experimentally from

LHAASO observations of 12 Galactic UHE sources and the number of background events estimated

from Eq. 1. For the estimation, the LHAASO effective area above 100 TeV is assumed to be constant

at a value of 3×105 m2 for zenith angles between 10◦ and 40◦ , as shown in Figure 6 (left). The

AreaOff is fixed at 1 deg2 for all sources‖, and TObs is taken from each source independently. The table

§CR background of an experiment is basically the CR induced showers which look like γ -ray induced showers, and
therefore can pass γ -hadron separation.

¶Unresolved sources are the source of γ rays which are not bright enough to be detected significantly (i.e. 2 − 3σ ) in
a survey. Some algorithms which can mask emission regions above a certain threshold can be applied to survey data in
order to minimize contribution coming from unresolved sources.

‖As it was mentioned in [57], background events are integrated over the angular range, which corresponds to 90% of
the probability of the Gaussian templates used for modelling. Given that the 68% containment radii are 0.49◦ , 0.45◦

and 0.62◦ for LHAASO J2226+6057, LHAASO J1908+0621 and LHAASO J1825−1326, respectively, the choice of
90% containment radius of 1.0◦ off region is a reasonable assumption.
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Figure 6. Left panel: The effective area of the KM2A for gamma-ray showers at four zenith angles after applying
the data quality and gamma-ray/background discrimination cuts. The left figure and caption are taken from
[48]. Right panel: The effective area for gamma rays from a point-like source is shown below as a function of
true energy for gamma/hadron cuts optimised for 0.5-, 5-, and 50-h observations with cuts in the reconstructed
event direction. The right figure is taken from https://www.cta-observatory.org/science/ctao-performance/.

indicates that with the given basic assumptions, the number of background events can be predicted

with an accuracy of better than 10%, with a mean relative difference value of ∼3%. Therefore, the

diffuse flux above 100 TeV obtained in this subsection using Tibet AS-γ observations can provide a

rough benchmark estimate for the Galactic window of ( |b | < 5◦ ) and (25◦ < l < 100◦ ). It is worth

noting that LHAASO observations above 400 TeV are background-free [57]. Taking into account the

integral flux only between 100 TeV and 400 TeV for the estimation of E>100 TeV diffuse background

events does not significantly alter the numbers given in Table 1, leading to 5% smaller number of events

on average. The forthcoming results from the HAWC experiment [71], along with future observations

from the CTA, SWGO, and ALPACA experiments will help improve our understanding of the UHE

diffuse γ -ray emission, and provide insights into the propagation and interaction of CRs in the Galaxy.

3.2. Detection of PeV photons with ground-based observatories

The detection of PeV photons from the direction of the Crab Nebula and the Cygnus region by the

LHAASO collaboration [41], using particle arrays consisting of the square kilometer array (KM2A)

with surface counters and subsurface muon detectors, marks the beginning of a new era in γ -ray

astronomy. Although only a limited number of PeV photons have been detected so far, researchers

are actively working towards the development of more advanced particle arrays to increase the photon

statistics at these extreme energies. The main challenge in this regard is related to the extremely low

photon flux at these energies, necessitating particle arrays spread across very large areas to collect

sufficient event statistics. However, the key advantage of conducting astronomy at these extremely

high energies (E>400 TeV) is that observations are free from background [57], and thus γ/hadron
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separation requires no special attention.

Figure 7. Top panel: The reconstructed γ -ray spectra of LHAASO J2226+6057, LHAASO J1908+0621
and LHAASO J1825−1326 obtained from LHAASO observations are shown in left, middle, and right figures,
respectively. The reconstructed flux point with 1σ statistical errors are shown with black points, while the best-
fit log-parabola and power-law models are shown with red and blue lines, respectively. The shaded regions show
1σ error intervals of the models. The models are extrapolated up to above 10 PeV energies. The gray shaded
regions cover 1−10 PeV energy range. Bottom figure: Estimated number of detected PeV photon from these
three LHAASO UHE sources as a function of effective areas, for 1-year (solid-lines) and 5-year (dashed-lines)
of observations. The solid and dashed vertical lines mark the specific effective area value needed for detection
of at least 1 PeV photon from all of these sources after 1-year and 5-year of observations, respectively.

This subsection presents a study that aims to estimate the minimum required effective area of

particle arrays to detect PeV photons. Effective area of an instrument varies with energy and zenith an-

gle, and is generally larger than the physical area of the instrument. Figure 6 left and right panels show

examples of effective areas from LHAASO KM2A and future CTA experiment, respectively. To esti-

mate minimum required effective areas, three UHE sources (LHAASO J2226+6057, LHAASO J1908+0621

and LHAASO J1825−1326) that exhibit significant E>100 TeV emission are selected as reference

sources [57]. Figure 7 (top panel) shows the best-fit log-parabola∗∗ (red) and power-law (blue) spec-

∗∗The best-fit log-parabola spectral models, [E /(10 TeV)]−a−blog[E/(10 TeV)] , provided in [57] as a = 1.56 and b =
0.88 for LHAASO J2226+6057, a = 2.27 and b = 0.46 for LHAASO J1908+0621, and a = 0.92 and b = 1.19 for
LHAASO J1825−1326
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Table 3. List of Galactic sources currently known to produce γ -ray emission above 100 TeV, together with
their possible nature. PSR: Pulsar, SNR: Supernove Remnant, YMC: Young Massive Clusters, HII region:
Interstellar matter consisting of ionized hydrogen atoms, Dark: Having no known counterpart. The table is
adopted from [45]. There are no photons with E>100 TeV detected from the direction of Westerlund 1 [72],
Galactic center [14] and HESS J1641−463 [73] but the source spectra are expected to go beyond 100 TeV
energies.

Source Location E>100 TeV Possible origin
name (l, b) Detection instrument

Crab Nebula (184.557, −5.784) HAWC, MAGIC, LHAASO, Tibet-ASγ PSR
HESS J1702−420 (344.304, −0.184 H.E.S.S. Dark
eHWC J1825−134 (18.116, −0.46) HAWC, LHAASO PSR

LHAASO J1839−0545 (26.49, −0.04) LHAASO PSR
LHAASO J1843−0338 (28.722, 0.21) LHAASO SNR
LHAASO J1849−0003 (32.655, 0.43) LHAASO PSR, YMC

eHWC J1907+06 (40.401, −0.70) HAWC, LHAASO PSR, SNR
LHAASO J1929+1745 (52.94, 0.04) LHAASO PSR, SNR
LHAASO J1956+2845 (65.58, 0.10) LHAASO PSR, SNR

eHWC J2019+368 (75.017, 0.283) HAWC, LHAASO PSR, HII/YMC
LHAASO J2032+4102 (79.89, 0.79) LHAASO YMC, PSR, SNR
LHAASO J2108+5157 (92.28, 2.87) LHAASO Dark

TeV J2227+609 (106.259, 2.73) Tibet-ASγ, LHAASO PSR, SNR
Westerlund 1 (339.55, −0.35) H.E.S.S. YMC

Galactic center (359.94, −0.04) H.E.S.S. SMBH
HESS J1641−463 (338.52, 0.09) H.E.S.S. Dark

tral models obtained from the analysis of these sources, along with the reconstructed flux points from

LHAASO observations. The number of PeV photons from these sources is estimated using the integral

flux between E=[1.0, 10.0] PeV (gray shaded regions in Figure 7, top panel) obtained by extrapolating

the provided best-fit log-parabola models to high energies, assuming two different exposure times of

1-year and 5-year for a set of effective area values.

The outcomes of the study are illustrated in Figure 7 (bottom panel), where each source is

represented by a line with a different color, and the solid and dashed lines demonstrate the evolution

of effective areas for 1-year and 5-year of observation, respectively. It is evident from the figure

that, to detect at least one PeV photon from all three sources within 1-year of observation time, a

minimum of ∼3.5 km2 effective area is required, whereas the requirement is reduced to ∼0.7 km2 when

considering 5-year observations. From Figure 7 (top panel), it is evident that LHAASO J1908+0621

is the brightest source in the energy range of E=[1.0, 10.0] PeV. Assuming an effective area of 3.5

km2 , it is expected to detect around O(10) PeV photons from this source after 1-year of observation,

providing reasonable statistics for spectral studies. In conclusion, future ground-based particle arrays

would require effective areas AEff ≥∼ 4 − 5 km2 to perform detailed UHE spectroscopy that goes

beyond PeV energies.
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4. Galactic PeVatrons

Before the remarkable results from LHAASO [57] in 2021 and the start of UHE γ -ray astronomy era,

the term PeVatron was exclusively used to refer to hadronic CR accelerators. This was motivated by

the quest to identify the sources of CRs, particularly the factories in the Galaxy that can accelerate

hadrons to PeV energies. As a result of this definition, researchers focused on searching for CR

sources that exhibit hard hadronic spectra (i.e. Γp ∼ 2.0) without showing any spectral cutoff up

to PeV energies and beyond. This definition has been historically used to investigate the origin of

Galactic CRs. The energy of γ rays resulting from pp-interactions is typically around 10 times lower

than the energy of their parent protons [74]. Hence, it was believed that the detection of γ -ray events

with energies E>100 TeV would be a direct indication of Galactic PeVatrons. Furthermore, it was

believed that the ambiguity between the hadronic and leptonic origins of the observed emissions would

be naturally resolved, since electrons are dramatically inefficient in producing γ rays at energies above

50 TeV due to the Klein-Nishina (KN) suppression [75]. As a result, it was anticipated that any γ -ray

facility capable of operating efficiently above 100 TeV would solve the enigma of the origin of Galactic

CRs, which has puzzled scientists for over a century.

The groundbreaking results of the LHAASO collaboration have completely revolutionized our

understanding of PeVatrons. The collaboration has reported significant†† UHE γ -ray emission of

E>100 TeV from 12 Galactic sources located in the Northern sky, with photon energies ranging from

0.1 PeV to 1.4 PeV [57]. Despite the presence of potential counterparts in their vicinity, such as SNRs

and SFRs, several objects detected above 100 TeV are plausibly associated to pulsars and PWNe,

where leptonic processes are expected to dominate the observed γ -ray emission. Currently, there are

several Galactic source regions where UHE γ -ray emission is observed (or highly anticipated), and

almost all of them have been detected by the LHAASO experiment. Table 3 provides a list of these

source regions, as well as their possible origins. Moreover, for the first time in history, PeV photons

have been detected from the direction of the Crab Nebula [41], which is a very well-known leptonic

accelerator. These remarkable experimental results have given rise to a new concept referred to as

’leptonic PeVatron’ in the literature, which further complicates the mystery of Galactic PeVatrons.

4.1. Definition of Galactic PeVatrons

At present, there exists an ambiguity in the literature regarding the definition of ’PeVatron’. Nonethe-

less, it is clear that a ’PeVatron’ refers to an astrophysical source that can accelerate ’individual’ par-

ticles, either leptons or hadrons, to energies of at least a PeV and beyond. The ambiguity arises from

the historical context of the term as discussed above. Based on the recent observational results, it is

possible to provide general definitions for PeVatrons, which can be classified into three subcategories:

• Leptonic PeVatron: an astrophysical object capable of accelerating ’individual’ leptons to at

least 1 PeV energies and beyond.

• Hadronic PeVatron: an astrophysical object capable of accelerating ’individual’ hadrons to at

least 1 PeV energies and beyond.

††The detection significance threshold of UHE sources is set to 7σ level for these results.
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• CR knee PeVatron: an astrophysical object capable of accelerating ’bulk of hadrons’ to at least

knee energies seen in the CR spectrum and beyond.

The categorization of PeVatrons as above has two crucial implications. Firstly, regardless of their

strength, leptonic PeVatrons have negligible impact on the observed CR spectrum as the composition

of leptons is only ∼2%. Thus, they cannot be considered as the origin of Galactic CRs. Secondly,

a source that is a hadronic PeVatron capable of producing detectable E>100 TeV γ -ray emissions

does not necessarily have to be the source of Galactic CRs with energies around the knee of the CR

spectrum, since the all-particle CR spectrum knee is well above 1 PeV. Although it is plausible that

individual hadrons having PeV energies exist in the source region, the abundance of these hadrons

with PeV energies may not be sufficient to make a significant contribution to the CR spectrum at

knee energies. To make this distinction clear, a new category called ’CR knee PeVatron’ has been

introduced, which represents the class of hadronic sources capable of accelerating CRs well above the

knee energy. In this case, the knee energy should be at least around ∼700 TeV if only protons and

helium are considered [5]. As a result, the hadronic spectrum of CR knee PeVatrons must extend

well beyond knee energies without showing any clear indication of a spectral cutoff, i.e. appearing

as a power-law spectrum. At that point, it is important to stress on the distinction between the

’cutoff energy’ of a hadronic spectrum and ’the maximum energy of individual particles’ (hadrons)

within that spectrum. For instance, even though a hadronic spectrum may have a spectral cutoff at

Ecut, p = 500 TeV, it cannot contribute significantly to the CR spectrum at knee energies of 3 PeV, as

it cuts off well below 3 PeV. However, there may still be PeV particles present in this spectrum due

to the falling edge around the cutoff energies. This analogy can be compared to a VHE γ -ray source

that exhibits a significant spectral cutoff at 15 TeV, but still having γ -ray events well above 15 TeV,

i.e. 30−40 TeV. In this specific scenario, the source is considered as a hadronic PeVatron, but not a

CR knee PeVatron.

4.2. An example of a CR knee PeVatron

The artistic illustration shown in Figure 8 depicts how CRs are accelerated by a ’CR knee PeVatron’

source with a true proton cutoff energy of 3 PeV, and then interact with dense molecular clouds in

its vicinity, leading to the emission of UHE γ rays. The red spectrum in the lower right panel of

Figure 8 represents the runaway CRs from the source region. It is worth noting that the spectrum

of runaway CRs, and the CRs that are actually accelerated at the source may differ depending on

environmental conditions, i.e. low energy CRs may be trapped in the source region due to strong

magnetic fields, causing the runaway spectrum to be harder. The CRs that run away from their

source begin to travel through the ISM, where the density of gas may vary depending on location.

Eventually, these runaway CRs may reach a dense gas region where pp interaction takes place, resulting

in the efficient production of γ rays. It is important to note that while a dense gas region illuminated

by CRs is evidence of PeVatron activity, the region does not necessarily host the PeVatron source

itself, as illustrated in Figure 8. In other words, the PeVatron source itself and the region where

PeVatron activity is detected may be located far away from each other. The spectrum shown with

blue solid line in the inset of Figure 8 represents an illustration of the CR spectrum at the interaction
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Figure 8. Top panel: artistic illustration of CRs accelerated by a CR knee PeVatron source (shown at the
right hand side as an exploding astrophysical object), first propagating in the interstellar medium as marked by
white arrows, and then interacting with target material, a molecular cloud, giving rise to UHE γ -ray emission
from a particular region of the cloud. Bottom panel: (left) demonstration of γ rays detected by a ground-
based observatory; (right) comparison between the hadronic spectra at the source region (red solid-line), at the
region of interaction (blue solid-line) and reconstructed using the data from ground-based instruments (green
dashed-line).

region. During the propagation from the source to the interaction region, some of the runaway CRs,

particularly those with low energy, may lose their energy along the way. As a result, the modified

spectrum at the interaction region (blue) can be harder than the initial spectrum at the source (red),

and this modification depends strongly on the distance between the source and the interaction region,

as well as the ISM properties, i.e. gas density profile along the propagation path.

The interaction region (indicated by a white circle in Figure 8) produces significant γ -ray

emissions that can be detected by current γ -ray observatories. Different analysis techniques are

then used to reconstruct the underlying hadronic spectrum based on the observed γ -ray spectrum.

However, another important factor must be taken into consideration if relevant. It is well-known that

UHE γ rays with energies above 200−300 TeV are attenuated due to γγ absorption effects, caused
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by interstellar radiation fields, particularly the cosmic microwave background (CMB) radiation [76]

(a detailed discussion is provided in subsection 5.4). As a result, the total number of UHE photons

detected from Earth, particularly with energies above 200−300 TeV, will be reduced depending on

the distance from the source, leading to decreased flux at high energies, which may even appear as an

artificial spectral cutoff effect. An example of the reconstructed hadronic spectrum based on ground-

based γ -ray observations is shown with the dashed green line in the inset of Figure 8. Therefore, if the

distance to the γ -ray source is far enough for such absorption effects to take place, the reconstructed

spectrum should be corrected. On the other hand, if the distance is close enough, these effects can be

disregarded.

The γ -ray emission region (marked with a white circle in Figure 8) used to reconstruct the

underlying hadronic spectrum is a crucial factor when searching for the origin of Galactic CRs. The

size of the emission region is determined by observational (e.g., angular resolution of the experiment)

and physical (e.g., actual size of the interaction region) conditions, and can be large in many cases,

leading to contamination effects coming from nearby γ -ray sources in the region. Therefore, it is

crucial to locate the actual hadronic emission region accurately by utilizing sophisticated analysis

techniques and high angular resolution observations to resolve any source confusion. Furthermore,

the search for the origin of CRs should not always focus on individual sources but instead take into

account the entire CR spectrum, which is actually the cumulative effect of acceleration in various

types of astrophysical sources. From an experimental point of view, the following critical conditions

must be met for a robust solution to the question of the origin of Galactic CRs:

• Sources of the origin of Galactic CRs must accelerate hadrons above knee energies, and the

hadronic spectrum must go well beyond knee energies without showing a clear indication of a

spectral cutoff.

• There must be enough dense target material for the accelerated CRs to interact and produce

secondary γ -ray emission, and the effects of CR propagation between the source and the

interaction region should be taken into account if necessary.

• Significant E>100 TeV γ -ray emission from the source is mandatory to establish its PeVatron

nature. Additionally, broadband γ -ray data from HE to UHE supported by multiwavelength

observations are necessary to prove the hadronic origin of the emission, and determine the shape

of the underlying hadronic spectrum.

• γ -γ absorption effects, especially for the sources emitting γ rays well above 100 TeV, should be

considered.

• Observations with high angular resolution are needed to accurately locate the actual emission

region and resolve any source confusion.

4.3. A special case: the Crab Nebula

The Crab Nebula is a well-studied astronomical object in the Milky Way, and powered by the energetic

Crab pulsar with the spin down luminosity of Ė = ∼5×1038 erg/s and the characteristic age of
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τc=1260 years [11, 77]. Significant fraction of the rotational energy from the pulsar is transformed

into the generation of a confined relativistic magnetized wind, which is commonly referred to as pulsar

wind nebula (PWN). The Crab Nebula is considered the prototypical example of PWNe sources, and

bright enough to be detectable across a very wide energy range, spanning over 20 decades from low

radio at the tens of MHz range to recently detected UHE γ -rays. The γ -ray emission from the nebula

has dominantly leptonic origin and produced by the IC radiation of electrons [78, 79], with the presence

of far-infrared (FIR), CMB, and synchrotron photons acting efficiently as target photon fields for IC.

The TeV emission from the nebula can be well-explained by upscattering of synchrotron photon fields

through the synchrotron self-Compton (SSC) process, while at UHEs, the SSC process is suppressed

due to KN suppression effects. Instead, IC scattering of CMB photons becomes the dominant process

at these extremely high energies.

For the first time in history, the LHAASO collaboration has detected PeV photons coming

from the direction of the Crab Nebula [41], marking a significant breakthrough in PWN research.

This groundbreaking experimental result has opened up a new era for PWN studies. The published

UHE spectrum of the Crab Nebula by the LHAASO collaboration is shown in Figure 9 along with

spectra derived from observations in other energy bands. The most remarkable feature seen in the

nebula spectrum is the potential hardening observed at the high energy end, which appears around

PeV energies. As discussed in detail in [41], while a one-component electron population model can

adequately explain the Crab Nebula’s spectral energy distribution (SED) from X-rays to multi-MeV

energies with synchrotron radiation, and from TeV to PeV energies with IC radiation, as seen in the

top right panel of Figure 9, it fails to explain the spectral hardening observed at the high energy end.

Since it is difficult to explain hardening of the electron spectrum within reasonable assumptions, the

hardening feature is instead interpreted by the authors as the presence of a second spectral component

hidden under the IC component emerging at high energies. The authors of [41] discussed two main

scenarios to explain this hardening feature: the first scenario involves a second electron component

that could extend the spectrum up to ∼4 PeV energies, with two different possible types of secondary

electron spectrum components, Maxwellian and power-law, being used to explain the SED (as seen in

the top left panel of Figure 9). The second scenario assumes the existence of an underlying proton

spectrum that contributes solely to PeV energies, as demonstrated in the bottom left and right panels

of Figure 9. Regardless of whether the UHE photons are produced through hadronic or leptonic

processes, the presence of PeV particles at the source region is evident for both cases, making the

Crab Nebula the first ”robust” PeVatron source identified in the Galaxy. Furthermore, if the hardening

feature observed at the high energy end of the Crab spectrum originates from an underlying proton

spectrum, this would classify the Crab Nebula as a CR knee PeVatron, since the expected cutoff in

the proton spectrum is predicted to be between 10 PeV and 100 PeV [81] in this case.

4.4. A word on leptonic PeVatrons

The term ”leptonic PeVatron” has become increasingly prevalent in scientific literature, particularly

after the groundbreaking results from LHAASO, as it discusses the possibility that several UHE

sources are associated with leptonic accelerators [57]. As defined before in subsection 4.1, a leptonic
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Figure 9. Top panels: (left) a two-zone scenario with two electron populations. The first electron component
(e1) is the same as the one in the right figure, except for the smaller cutoff energy E0=450 TeV. Two type of
distributions are assumed for the 2nd electron population. (a) Maxwellian-type spectrum of the temperature
E2=450 TeV (e2a), and (b) power-law spectrum with a slope fixed at 1.5, an exponential cutoff at E2=2 PeV
(e2b). The solid grey curve shows the radiation of the first component. The dashed black and green curves
represent respectively the radiations of the second component in two spectral forms. The thick solid black
curve shows the sum of e1 and e2a, while the thick solid green curve shows sum of e1 and e2b. (Right) The
black curves represent the fluxes of the synchrotron and IC components of radiation of an electron population
calculated within the one-zone model. The electron spectrum above 1 TeV is assumed to be a power-law function
terminated by an superexponential cutoff. The dark-grey and light-grey shaded regions show the 1σ and 3σ
error bands, respectively. The purple and the magenta circles show the X-ray and the MeV emission of the
Crab Nebula. The orange circles represent the Crab observations by Fermi-LAT in the nonflare state. The blue
and red squares represent LHAASO WCDA and KM2A measurements. The top panels and captions are taken
from [41]. Bottom panels: (Left) The SEDs of the Crab Nebula are plotted where both leptonic and hadronic
contributions are considered. For a direct comparison, observed multiband data are also displayed. (Right) A
zoomed-in plot of bottom left figure where the range of photon energy is from 104 MeV to 10 PeV. The solid
line stands for the summed leptonic contributions while the dashed (dotted and dotted–dashed) dark red lines
are proton spectra with different spectral indices. The bottom figures and captions are taken from [80].

accelerator must contain PeV leptons in order to be classified as a PeVatron. As it has just been

discussed, the Crab Nebula is a prime example of leptonic PeVatrons and actually it has been known
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to contain PeV leptons for at least a decade based on its synchrotron spectrum in the GeV band [11].

It is widely known that PWNe are the most efficient electron accelerators in the Milky Way.

These nebulae are powered by energetic pulsars that inject ultrarelativistic particles into their mag-

netosphere, forming an expanding wind that extends up to the termination shock. The VHE and

UHE γ rays emitted by these objects are primarily produced by electrons via IC scattering of low

energy photon fields, especially the 2.7 K CMB radiation. More precisely, as it was reviewed in [82]

in detail, an injection electron spectrum accelerated by the leptonic accelerator that follows a power-

law distribution with an index of αe,inj results in a softer equilibrium electron spectrum‡‡, with a

power-law index of αe,eq = (αe,inj + 1). The resulting γ -ray emission from this equilibrium electron

population then follows a power-law distribution with a photon index of Γγ,Th = (αe,inj + 2)/2 in the

Thomson regime, and steepens to Γγ,KN = (αe,inj + 2) in the KN regime for energies above EKN ∼
m2
e c4 /ERad , where ERad is the target photon energy. At energies above several TeV, the scattering

process happens in the deep KN regime, where electrons can lose almost all of their energy even in a

single scattering event, making the IC process extremely inefficient. Consequently, the highest energy

of photons produced ∼corresponds to the maximum energy of the accelerated electrons. According to

[41], the relationship between the maximum energies of γ -rays and electrons are given by equations

Eγ,max = 0.37(Ee,max/1 PeV)1.3 PeV, (2)

Ee,max = 2.15(Eγ,max/1 PeV)0.77 PeV, (3)

which can provide accuracies better than 10% above 30 TeV energies.

Extensive research has been conducted in [83] on the relationship between pulsars and PeVatrons,

providing valuable relation on the maximum energy of accelerated particles by such objects as

Epar,max = 2 ηe η
1/2
B Ė1/2 PeV, (4)

where ηe is the ratio between the electric field strength and magnetic field strength, ηB is the magnetic

energy density expressed as a fraction of the pulsar wind energy flux, and Ė is the spin-down luminosity

of the pulsar. As it was pointed out by the authors, Eq. 4 applies to all kinds of particles that can be

accelerated in pulsars, irrespective of whether they are electrons, positrons, or hadrons. For instance,

assuming a magnetic field strength of 112 µG [41] and using this value in Eq. 4, an efficiency of

ηe = 0.16 is required for the Crab Nebula. Although such an high efficiency of ηe = 0.16 sounds

particularly impressive when compared to other powerful Galactic CR accelerators like SNRs, which

typically have efficiencies just around ηe of ∼10−3 [84], this is actually not surprising given that

acceleration in PWNe occurs in a relativistic environment where the electric field can be comparable

to the magnetic field.

Figure 10 illustrates the highest achievable energy of electrons that can be accelerated by pulsars,

as well as the corresponding maximum energy of γ -rays that can be produced through IC scattering of

‡‡Equilibrium electron spectrum is the case where energy losses due to by synchrotron and IC emission are balanced
by the injection and acceleration of new electrons from the CR source.
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Figure 10. Maximum electron energy derived from the LHAASO spectra versus spin-down power of the
colocated pulsars. The right Y-axis shows the corresponding gamma-ray energy. The colored area shows the
values for ηe and ηB ranging from 0.01 to 1, with the red line indicating the limiting value corresponding
to maximally efficient acceleration ηe = 1 and ηB = 1. The dotted black line marks the upper limit to the
maximum energy for young pulsars with large magnetic field of 100 µG. The blue dashed horizontal lines show
the predicted values for PWNe associated to Geminga and N157B. The figure and caption are taken from [83].

the CMB. The selected pulsars in the vicinity of LHAASO sources are also shown to investigate whether

these pulsars have the potential to power the UHE LHAASO sources. The potential associations of

these pulsars in the Ee,max–Ė plane are presented, along with the known Ė values, and then compared

to theoretical predictions based on Eq. 4 using reasonable values of ηe and ηB ranging between 0.01

and 1. It is evident from the figure that powerful pulsars (Ė ≥ 1036 erg/s) with reasonable efficiencies

can indeed produce UHE γ rays well above 100 TeV energies.

Another limiting factor was pointed out by the authors and can be used to evaluate pulsars as

UHE sources is based on the maximum allowed conversion efficiency from pulsar rotational power to

γ rays [83]. This constraint can be determined by comparing the IC luminosity of UHE sources with

the pulsar spin-down luminosity. The γ -ray luminosity of UHE sources, denoted as Lγ = 4πd2 Fγ ,

can be obtained through related γ -ray observations, where d represents distance to the source. As it

24
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was derived in [83], the γ -ray efficiency γEff , which is the fraction of Ė converted to γ -ray emitting

electrons, can be written as

γEff = 10−4Lγ,32

Ė36

(1 + 260 E1.7
e,15 B

2
−5), (5)

where Lγ,32 is the γ -ray luminosity of the UHE source (in units of 1032 erg/s), Ė36 is the spin-down

luminosity of the pulsar (in units of 1036 erg/s), Ee,15 is the electron energy (in units of 1015 eV,

or equivalently PeV), and B−5 is the magnetic field strength (in units of 10−5 G, or in 10µG). The

maximum allowed value of γEff cannot exceed 1, consequently, boundaries can be determined using

Eq. 5. The black line in Figure 11 (left) shows the γEff =1 boundary for a given B–(Lγ,32 /Ė36 )

phase space for the fixed electron energy of 1 PeV; therefore, the yellow region in the plot represents

the forbidden regions of the phase space. Similarly, Figure 11 (right) shows how γEff =1 boundary

changes within the same phase space depending on the electron energies, given with different colored

lines.

Figure 11. Left figure: gamma-ray efficiencies given in 2D B – (Lγ,32/Ė36 ) phase space for an electron energy
of 1 PeV. The z-axis shows the γEff values obtained from Eq. 5. The black line indicates γEff =1 values
throughout the phase space, therefore provides upper limit boundaries. In addition, γEff =0.1 and γEff =0.01
contours are also shown with white lines. Right figure: comparison of γEff boundaries for a set of different
electron energies. The black line corresponds to the electron energy of 1 PeV shown in the left plot, while Ee
= 0.5, 2.5, 5.0 and 10.0 PeV γEff boundaries are shown with red, blue, green and magenta lines, respectively.

Despite the fact that powerful pulsars can produce UHE γ rays, one of the biggest challenge

posed by observations is explaining the hard γ -ray spectra up to these extreme energies. It has been

demonstrated and discussed in detail in [82] that hard IC spectra at UHE energies can be possible when

IC losses dominate over synchrotron losses. When high energy density radiation fields are present, and

the condition of URad/UB � 1 is satisfied, the equilibrium electron spectrum becomes harder due

to the energy dependence of the KN cross-section. Although the resulting IC γ -ray spectrum from

the hardening electron spectrum is less pronounced at these high energies due to KN suppression, it
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may still be possible to maintain this hard γ -ray spectra well beyond 100 TeV energies, particularly

in astrophysical environments where radiation energy density is high. Figure 12 (left and middle)

illustrates the relationship between EX , which is the electron energy at which the synchrotron cooling

time equals that of IC, and the produced γ -ray emission for a given ΞIC = URad/UB value. It can

be seen from these figures that the resulting γ -ray spectra can be significantly hardened with respect

to the IC CMB case (black dotted line) and produce a stable hard UHE spectrum when URad is an

order of magnitude higher than UB , i.e. ΞIC = 104 (see dark magenta lines in left and middle plots

of Figure 12). It is worth pointing out that the IC CMB case (dashed black line) produces a quite

similar spectrum to the case of ΞIC = 0.1 and radiation field temperature Trad = 50 K (yellow line),

especially at high energies. Furthermore, the effect of the energy density of the radiation field on

cooling times is illustrated in the right panel of Figure 12. As depicted in the figure, the hardest IC

spectrum is produced when Trad is 5 K. The radiation temperature range of 5−50 K is associated

with IR fields. This means, in environments where strong IR fields are present, it is feasible that

leptonic accelerators can produce and maintain hard IC spectrum which can extend up to and even

beyond UHE energies. These kind of astrophysical environments can be found within our Galaxy, such

as a young, powerful pulsar and a massive star are comprised in a binary system. In such systems,

intense IR photon field produced by the star can act as a target photon field for IC scattering from

the electron population provided by the pulsar, potentially satisfying the conditions discussed above.

Therefore, these predictions indicate that binary systems are a potentially promising source class for

leptonic PeVatrons. Additionally, similar astrophysical environments can be present and conditions

can be met in Galactic spiral arms and particularly in dense regions where star formation activity is

ongoing [82]. Nevertheless, it should be emphasized that meeting these conditions requires extremely

precise fine tuning and a very large system size, otherwise, accelerating particles to such high energies

becomes exceedingly difficult. [85].

5. Spectral signatures of hadronic PeVatrons

The quest for the origin of Galactic CRs essentially involves robust identification of hadronic Galactic

PeVatrons by means of neutral messengers. This indicates that the parent hadronic spectrum should be

reconstructed primarily based on γ -ray observations. The production of γ rays from pp interactions

is therefore crucial for understanding hadronic PeVatrons. There are two primary channels for γ -

ray production in pp interactions, resulting in the subsequent decay of light mesons, specifically

the neutral pion (π0 → 2γ ) and eta meson (η → 2γ ). Although other heavy particles are also

produced in pp interactions, they generally tend to decay quickly, producing neutral pions. As a

result, the decay of π0 is the primary channel responsible for the observed γ rays. Apart from

γ rays, neutrinos are also stable and neutral products of pp interactions. They are generated by

the primary decay mode of charged mesons, specifically originating from the π+ → µ+ + νµ and

π− → µ− + ν̄µ channels. While future observations of neutrinos can potentially play a crucial role

and provide valuable complementary information for identifying Galactic PeVatrons, current neutrino

spectroscopy is exceedingly challenging due to low neutrino statistics. Detailed discussions on the
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Figure 12. Electron cooling time-scales tcool (left) and the steady-state γ -ray (middle) spectra assuming
different energy densities of a 50 K radiation field including the CMB, for a representative fixed magnetic field
of 5 µG. The γ -ray spectra are those arising in equilibrium from continuous injection of an E−2 spectrum with
exponential cutoff at 10 PeV. The right panel shows tcool for fixed ΞIC (or URad /UB ) = 50, but different
temperatures. The circles on all panels indicate the transition energy EX for each radiation field density. The
figure and caption are taken from [82].

γ -ray and neutrino spectra produced by pp interactions can be found in [74, 86, 87].

In summary, it is evident that hadronic PeVatrons exhibit recognizable spectral signatures that

can be determined through γ -ray (and possibly neutrino) observations. This section discusses such

signatures within the framework of observational γ -ray astronomy.

5.1. Connections between γ -ray and hadronic spectral parameters

The investigation on the interrelation between proton and γ -ray spectra, as presented in [74, 86],

serves as a milestone in reconstructing parent proton spectra based on γ -ray observations. In these

studies, the primary approach involves approximating the π0 spectrum initially from pp interactions,

and then estimating the resulting γ -ray spectrum from the decay of this π0 spectrum. In practice,

the naima python package [88], which utilizes the parametrization developed in [86], is commonly used

in γ -ray astronomy to reconstruct proton spectra from observational data.

A generalized expression for rigidity-dependent proton spectrum in the form of exponential cutoff

power-law can be written as

Jp(Ep) =
dNp

dEpdV
= J0,p

(
Ep
E0

)−Γp

exp

[
−
(

Ep

ZEcut, p

)βp
]
, (6)

where J0,p is the normalization at reference energy of E0 and can be obtained from the normalization

condition given in [87] as ∫ ∞
100 GeV

EpJp(Ep) dEp = 1 erg cm−3, (7)
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while the other parameters Γp is the spectral index, Ecut, p is the spectral cutoff energy and βp is

the sharpness parameter describing the decay rate of exponential cutoff. The case of β = 1.0 is

called ’normal exponential’, while the cases β <1 and β >1 are called ’sub-exponential’ and ’super-

exponential’, respectively. In Eq. 6, the parameter Z represents the mass number, which is set to

Z=1 for the case of protons. A fascinating implication of this general expression is that the apparent

spectral cutoff of the hadronic spectrum increases linearly with the mass number, dependent on Ecut, p ,

as already discussed in Section 2. Consequently, it is possible to characterize the hadronic spectrum

of diverse astrophysical objects just by adjusting these spectral parameters in different ways.

The generalized expression of resulting γ -ray spectrum from pp interactions, assuming a parent

proton spectrum given in Eq. 6, will also have a similar exponential cutoff power-law form given as

Φ(Eγ) = Φ0,γ

(
Eγ
E0,γ

)−Γγ

exp

[
−
(

Eγ
Ecut, γ

)βγ]
, (8)

where Φ0,γ is the normalization at reference γ -ray energy of E0,γ , Γγ is the γ -ray spectral index,

Ecut, γ is the cutoff energy of resulting γ -ray spectrum and βγ is again the sharpness parameter

describing the rate of exponential decay. The relationship between the spectral parameters of Jp and

Φ is particular crucial in γ -ray astronomy, as Jp needs to be reconstructed from Φ, which is derived

from γ -ray observations of astrophysical sources. These connections have been extensively investigated

in [74, 86], and direct correlations between these parameters are outlined in [87] for practical purposes
as

Γγ = 0.94Γp − 0.15, (9)

βγ =
βp

(−0.7Γp + 2.4)βp + 0.1Γp + 0.7
, (10)

log10

(
Ecut, γ

Ecut, p

)
= (−1.15Γp + 3.30)βγ + (1.33Γp − 4.61). (11)

The authors of [87] emphasized that the simple relationships discussed here are only approxi-

mations, but they can still provide an accuracy of better than 20% for a wide range of Ecut, p values,

between 100 TeV and 10 PeV, making them highly valuable in spectral PeVatron studies. For exam-

ple, one common assumption used in γ -ray astronomy is that the ratio between the cutoff energies

of γ -rays and protons (Ecut, γ /Ecut,p ) is ∼0.1, which was provided in [74]. This means, if a proton

spectrum has a 1 PeV cutoff energy, the resulting γ -ray spectrum from pp interactions will have a

cutoff energy of around 100 TeV. The top panel of Figure 13 shows the γ -ray spectra produced by

different pp interaction channels for incident proton energies of 300 TeV (left) and 3 PeV (right), taken

from [74]. It can be seen from the figure that the π0 → 2γ channel reaches its peak γ -ray emission

when Ecut, γ /Ecut, p = ∼0.1. However, it is important to note that this ratio is not a fixed number,

but rather a distribution, i.e. can go up to 0.5 or down to 0.01. The bottom panel of Figure 13 focuses

on the relationship between βp and βγ on the left, and the connection between Ecut, γ /Ecut, p and βγ
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on the right, taken from [87]. For example, the bottom right figure clearly shows that the commonly

assumed ratio of Ecut, γ /Ecut,p = 0.1 can be obtained for soft sources with Γp = 2.5 and βp=1, while

as it can be seen from the bottom left plot, it will be impossible for a hard source with Γp = 1.5 to

reach such a ratio of ∼0.1, since βγ will never get close to unity even if βp increases.

Figure 13. Top panel: energy spectra of gamma rays from pp interactions corresponding to 300 TeV (left) and
3 PeV (right) energies of incident protons. Solid lines correspond to numerical calculations based on simulations
of production of π and η mesons using the SIBYLL code, while dotted-dashed line shows analytical presentation
given by equation 58 of [74]. The partial contributions from π0 and η meson decays are also shown. Top figures
and caption are taken from [74]. Bottom panel: The left figure shows the correlation between values of βγ ,
obtained in the fitting procedure of secondary particle spectra, and the values of βp assumed for protons. Dots
indicate simulated spectral values. The cut-off energy of protons is here fixed to Ecut, p = 1 PeV. The lines
refer to the analytical parametrization in the form of Eq. 10. The right figure shows ratios Ecut, p /Ecut, γ as
a function of βγ calculated for Ecut, p = 1 PeV and three different values of proton index αp = 1.5, 2.0, 2.5,
which is referred as Γp in Eq. 11. Bottom figures and caption are taken from [87].

By combining Eqs. 10 and 11, it is possible to directly derive the Ecut, γ /Ecut, p relation from
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proton spectral parameters in a 2D phase space defined by (Γp , βp ). Figure 14 demonstrates how the

Ecut, γ /Ecut,p ratio and βγ change in a 2D proton spectrum phase space, as seen in the left and right

figures, respectively. The left figure reveals that an Ecut, γ /Ecut, p ratio of 0.1 can only be achieved

when βp is ∼2.0, meaning that the proton spectrum is cutting super-exponentially. Conversely, for

proton spectra with normal exponents (βp=1.0), a wide range of proton spectral index values (Γp )

can result in a ratio of ∼0.025, meaning the observed γ -ray cutoff would be ∼40 times lower than

that of the proton spectrum, instead of ∼10 times. The right figure shows that even for very soft and

steeply cutting exponential proton spectra, a βγ value of ∼1.0 cannot be attained within this wide

proton phase space, which indicates that super or even normal exponential cutoff γ -ray spectra are

not expected from pp interactions, instead mostly sub-exponential γ -ray spectra are expected.

Figure 14. Connections between γ -ray and hadronic spectral parameters. Both plots are defined in a 2D
proton spectral parameter phase space defined by (Γp , βp ), where Γp and βp are the proton spectral index and
exponential decay rate of proton spectrum, respectively. The left figure shows the Ecut, γ /Ecut, p ratio within
the phase space, together with the 0.1, 0.05, and 0.025 contour lines in black, which corresponds to inverse ratio
of Ecut, p / Ecut, γ of 10, 20, and 40, respectively. The right figure shows the exponential decay rate (βγ ) of the
γ -ray spectrum resulting from pp interactions, together with the contour lines between βγ = 0.5 and βγ=0.8
given in black for a step of 0.1.

It is worth discussing the interpretation of the αp , βp and βγ parameters at this point. Firstly, it

should be noted that the βγ parameter, which can be obtained experimentally from γ -ray observations,

is a combination of αp and βp parameters, as approximated in Eq. 10. From the experimental point,

robust statistical determination of the precise βγ value is extremely challenging due to low energy

resolutions, %15 and %40, of current IACTs and particle arrays, respectively, but can be well possible

with the planned future experiments reaching %7 at energies above 1 TeV (i.e. CTA [53]). The spectral

index parameter of the proton spectrum, αp , is typically 2.0 for the diffusive shock acceleration (DSA)

in the test-particle limit. However, in more realistic scenarios, the value of αp may differ depending on

the properties of the acceleration region, with αp being as hard as 1.5 in some cases [84]. On the other

hand, the βp parameter is responsible for determining the high energy efficiency of acceleration, and

30
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is therefore heavily dependent on the limiting factor of CR acceleration at the source region. If one

assumes that DSA is the primary mechanism for CR acceleration at the source region, which is often

the case for sources such as SNRs or YMCs, then the strongest limiting factor would typically be the

size of the accelerator relative to the diffusion distance of the most energetic particles. In such cases,

the parameter βp is generally set to 1.0, especially when the diffusion is close to the Bohm regime, while

subexponential models (βp < 1.0) can be plausible for different diffusion models used in astrophysics

[89]. On the other hand, superexponential models (βp > 1.0) can be employed to explain some

acceleration mechanisms at SNRs, in which the achievable maximum energy is restricted by magnetic

field growth rather than the system size [90–92]. While the value of βp can vary depending on the

characteristics of the CR acceleration at the source region, the resulting βγ of the γ -ray spectrum is

generally less than 1.0 for a significant portion of the parameter space, as shown in Figure 14 (right).

5.2. Analysis methods to search for PeVatrons

The first step in the search for hadronic PeVatrons is to examine the spectral characteristics of the

observed γ -ray spectrum. A significant advancement in our understanding of the origin of Galactic

CRs was the investigation of the Galactic center using H.E.S.S. observations [14]. According to the

study, a strong PeVatron was discovered in the center of the Milky Way, and it was linked to the radio

source Sgr A*. This PeVatron identification was made based on the 95% confidence level (CL) lower

limit on the cutoff energy of the parent proton spectrum, which was found to be 400 TeV. Following

this pioneering study, quoting the 95% CL lower limit on the proton spectral cutoff and interpreting

a source’s PeVatron nature based on the lower limit values became a kind of standard in PeVatron
searches. However, the latest breakthrough LHAASO results reported the detection significance of

γ -ray emission above 100 TeV [57] instead of the 95% CL on the proton spectral cutoff energy.

Currently in the literature, there are two commonly used methods to provide evidence or make

claims for the detection of PeVatron sources. These include using the detection significance of γ -ray

emissions above 100 TeV, and the derived 95% CL lower limit of the hadronic energy cutoff. While

both methods are useful for locating PeVatron sources, they encounter significant issues when used

independently from each other. For instance, when using the 95% CL lower limit approach, the value

of 1 PeV is often cited for ”PeVatron candidates”. However, it is worth noting that the 95% CL is

considerably lower than the confidence level required for new discoveries, which corresponds to 5σ

statistical significance. Nevertheless, the 95% CL of 1 PeV proton cutoff energy is still a useful tool

for PeVatron searches since the derivation of the lower limit takes into account the spectral shape. It is

worth pointing out that there are different methods for deriving lower limits, and the profile likelihood,

bootstrap, and Markov chain Monte Carlo (MCMC) are the most frequently used ones. These methods

are discussed in detail in the appendix of [93], and a performance comparison is given in Figure 15.

As shown in the figure, the profile likelihood method is the most sensitive for deriving spectral cutoff

lower limits. For the derivation of spectral cutoff lower limits, the sensitivity of a method is measured

with derived lower limit value being close to the true cutoff energy value. Consequently, the most

sensitive method becomes the one minimizing the difference ETrue
c - ELL

c . However, it is important to
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Figure 15. Comparison of different methods to derive a lower limit on the energy cutoff for a γ -ray point-
like source with power-law index Γ = 2.1 and flux normalization ϕ0 = 50 mCrab. The instrument response
functions of CTA South and 10 h of observation time at a zenith angle of 20◦ are assumed. Upper panel:
median 95% CL lower limit on the energy cutoff as a function of the true energy cutoff. Color codes for the
different methods are indicated in the legend. Solid lines correspond to 1-dimensional analyses. Note that the
green, orange and red solid lines overlap. The black dash-dotted line corresponds to profile likelihood limits
derived with a 3-dimensional analysis. Lower panel: coverage of the interval [ELL

c, γ ,∞) for different methods

to derive ELL
c, γ = 1/λUL as a function of the true energy cutoff. The true energy cutoff is slightly shifted for

each method to improve the visibility. Errorbars are approximate 68.3% CL intervals on the coverage, derived
under the assumption of the normal approximation to the binomial distribution. The figure and caption are
taken from [93].

mention that the profile likelihood method may not always be applicable, particularly in complicated

astrophysical environments. As the number of free parameters increases, for example in the case of

fitting 2−3 sources simultaneously in the field of view which leads to more than 10 free parameters,

it becomes extremely challenging for the profile likelihood method to converge, and it can get stuck

at some local maxima. For these complicated cases, the MCMC method performs better and provides

more reliable lower limits, albeit at the expense of time-consuming computational efforts.

The primary issue with the alternative method of searching for PeVatrons, which uses the

detection significance of γ -ray emission above 100 TeV, is that the approach does not consider the
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spectral shape of the emission. This approach only provides cumulative information above 100 TeV,

meaning that two different sources yielding identical E>100 significance values may have completely

different 95% CL cutoff lower limits in their γ -ray spectrum. This is due to the fact that, even though

they may have identical statistics above 100 TeV, the distribution of event statistics in energy can

vary significantly. For instance, the source yielding lower ELL
c, γ may have events concentrated between

100 TeV and 200 TeV, while the other source with higher ELL
c, γ may have a wider distribution of

events between 100 TeV and 500 TeV. Although a significant emission above 100 TeV is necessary for

a reliable PeVatron detection, this criterion alone cannot guarantee that the detected source is indeed

a PeVatron.

To make a reliable claim of PeVatron detection, it is essential to test both of the criteria

mentioned above simultaneously. Recently, a new method called PeVatron Test Statistics (PTS)

has been developed [93] in order to combine these two approaches. As discussed by the authors, the

PTS is essentially a likelihood ratio that measures the deviation of the proton energy cutoff, Ecut, p ,

from a predetermined test proton cutoff energy threshold, Ethr , and given by

PTS = −2 ln
L̂(Ecut,p = Ethr)

L̂(Ecut, p)
, (12)

where L̂(Ecut,p = Ethr) is the likelihood value at the test energy threshold and L̂(Ecut,p) is the

maximum likelihood over all Ecut, p . The corresponding significance of the deviation from the threshold

cutoff is

SPTS = sign(E∗cut, p − Ethr)
√

PTS (13)

where E∗cut,p is the best-fit proton spectral cutoff energy value. By setting the energy threshold Ethr to

1 PeV, the PTS method can identify PeVatrons and provide a clear quantification through significance

values. In other words, if SPTS > 5σ , it indicates that the parent proton spectrum extends beyond

the threshold energy of 1 PeV as a power-law, without showing any evidence of a spectral cutoff, with

a CL of at least 5σ . This implies that the source in question contributes to the CR spectrum at

energies above 1 PeV, and a robust 5σ detection of an hadronic PeVatron spectral signature can be

claimed. As given in [93], the interpretation of PTS significance, SPTS , for a given PeVatron energy

threshold of 1 PeV is as follows:

• SPTS ≥ 5σ : A Pevatron detection can be claimed with a CL corresponding to at least 5σ . This

means a robust 5σ detection of an hadronic PeVatron spectral signature, indicating that the

parent proton spectrum extends well beyond the threshold energy of 1 PeV.

• SPTS < −5σ : The association between a γ -ray source and a PeVatron can be excluded with a

CL corresponding to at least 5σ . This means a robust 5σ exclusion of an hadronic PeVatron

spectral signature, indicating that the parent proton spectrum has a significant cutoff well below

the threshold energy of 1 PeV.
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• |SPTS| < 5σ : There is insufficient data to differentiate between the PeVatron and the non-

PeVatron hypotheses, and thus, further observational data are required.
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Figure 16. Relation between the PTS and the lower 95% CL limit on the proton spectral cutoff (left) and
detection test statistic, TS100 TeV

Det , of the γ -ray flux above 100 TeV (right). Confirmed PeVatrons are marked
in red and PeVatron candidates are marked in grey. The PTS threshold of 33.9, corresponding to a global
5σ significance for 100 independent tests, is indicated with horizontal dashed black lines. In the right panel,
the vertical line indicates the γ -ray detection threshold TS100 TeV

Det =25 and the diagonal shows the equality
PTS=TSDet . The figure and caption are taken from [93].

Figure 16 illustrates a comparison between the PTS and two other alternative PeVatron search

criteria obtained from CTA simulations in [93], namely the 95% CL of proton spectral cutoff and the

significance of γ -ray emission above 100 TeV. The figures show that the PTS exhibits a noticeable

correlation with both criteria, and ensuring a SPTS = 5σ significance level satisfies both of the other

criteria simultaneously.

It should also be noted that the threshold can be adjusted to investigate the contribution to the

CR spectrum above a specific energy threshold. For instance, in order to examine the contribution of

protons (and helium) assuming that the knee for protons is below 1 PeV, a threshold of 300−400 TeV

can be chosen. In this case, the significance of PTS will reflect whether the source in question is

a proton PeVatron. It is also possible to use leptonic emission models, i.e. IC scattering, in PTS

calculation to test leptonic PeVatrons.

5.3. Mapping spectral features: detection probability maps

Examination across a broad range of spectral parameters can be beneficial in determining the de-

tectability of spectral signatures from γ -ray sources showing various properties. In [93], ’detection

probability maps’ were introduced to represent 2D maps that cover a specific spectral phase space of

a particular γ -ray model, such as the exponential-cutoff power-law (ECPL) model. These maps are
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constructed for a fixed spectral cutoff energy value of interest. Two types of probability maps are

presented and explained in [93] in detail. The first one is referred to as the ’spectral cutoff detection

probability map’, which quantifies the probability of detecting a high energy spectral γ -ray cutoff in

an experiment. The second one, which is called ’PeVatron detection probability map’, is a map that

measures the probability of an experiment detecting a PeVatron source with 5σ confidence, given a

cutoff energy in the proton (hadron) spectrum. For example, the proton spectral cutoff value under

consideration might be 3 PeV for the PeVatron detection maps, which corresponds to the knee feature

observed in the CR spectrum. The study focused on the CTA experiment, with details provided in

[93], and it was also discussed by the authors that such maps can be created for any experiment,

taking into account the instrument response functions (IRFs), providing valuable insights into high

energy capabilities, especially for future projects.

The top panel of Figure 17 displays the PeVatron detection and rejection maps obtained from

10 h of CTA observations, whereas the bottom panel illustrates an example of the PTS distribution in

a specific map bin with Φ0 (1 TeV) = 120 mCrab and Γp = 2.0. The PTS distributions given in the

lower panels allow the identification of robust 5σ PeVatron detection and rejection thresholds, which

correspond to PTS values of 25 and –25, respectively. The detection probability for a given bin is then

obtained by computing the fraction of the distribution above the detection threshold of PTS = 25

(as seen in the bottom left figure). Similarly, PeVatron rejection is defined by the fraction of the

distribution below the detection threshold of PTS = –25. As explained in [93], repeating this process

iteratively for multiple bins that cover the desired phase space results in the creation of PeVatron

detection maps. The yellow areas of the maps shown in the top panel of Figure 17 indicate the phase

space region where gamma-ray sources can be robustly detected (on the left) or rejected (on the right)

as PeVatrons at a 5σ level. It is worth noting that detection probabilities are strongly correlated

to observation time, which means that as exposure increases, the black contour lines shift to lower

flux normalization values as expected. However, as the performance degrades with increasing source

extension, the black contour lines move to higher flux values, requiring the source to be more powerful

for being detected as a PeVatron.

To investigate the detection of high energy spectral γ -ray cutoffs, one can use a similar approach

by replacing PTS with Test Statistics (TS) between the ECPL model and power-law model. By

creating a distribution of TS values from many simulations, similar to those shown in Figure 17

(bottom), the probability of detecting a spectral cutoff at a particular γ -ray energy can be determined

by calculating the fraction of the TS distribution above a given threshold, such as TS = 25 (equivalent

to a 5σ level). The resulting spectral cutoff detection maps for a γ -ray cutoff energy of 200 TeV are

shown in the bottom panel of Figure 18 for 50 and 100 h of deep CTA observations, taken from [93].

Similarly to the PeVatron detection maps, the yellow areas on the maps represent the region of phase

space where the 200 TeV γ -ray cutoff can be significantly detected by the experiment. To compare the

different maps, one can use the transition region defined as the area between the detection probability

contours of 30% and 90%. The top panel of Figure 18 shows such a comparison for different exposure

times of 10, 50, and 100 h. As the observation time increases, the transition region shifts towards

lower fluxes, enabling the detection of 200 TeV γ -ray cutoffs even from fainter and softer sources. It is
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Figure 17. Top panel: PeVatron detection (left) and rejection (right) probability maps for 10 h of CTA
observations of point-like sources. The abscissa shows the true observed γ -ray flux normalization at 1 TeV
originating from pp interactions observed from Earth, while the ordinate shows true proton spectral index. The
color code shows the PeVatron detection (rejection) probabilities, while the black lines indicate the PeVatron
detection (rejection) probability contours at 0.3, 0.5, 0.7, and 0.9 levels. PeVatron detection (PTS>25)
probability map is given for a true proton energy cutoff at 3 PeV, while PeVatron rejection (PTS<-25)
probability map for a true proton energy cutoff at 300 TeV. For comparison, 100 mCrab, 200 mCrab and
300 mCrab values correspond to differential flux level at 1 TeV of 3.84 × 10−12 cm−2 s−1 TeV−1 , 7.68 ×
10−12 cm−2 s−1 TeV−1 and 1.15 × 10−11 cm−2 s−1 TeV−1 , respectively. The top figures and caption are
taken from [93]. Bottom panel: example of PTS distribution in a particular Φ0 (1 TeV) = 120 mCrab and Γp
= 2.0 bin both for true proton energy cutoff at 3 PeV (left) and 300 TeV (right). The blue shaded regions show
the corresponding detection and rejection probabilities, respectively.

worth noting that such comparison can be made between i.e. different proposed layout configurations

of an experiment to compare performances.

The maps presented in this section are useful in the search for PeVatrons, but they also raise

an important question regarding the relationship between the ”detection or non-detection of a γ -ray

cutoff” and ”PeVatron detection,” which is in general not straightforward. A strong indication of
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(50 h) (100 h)

Figure 18. Deep observation sensitivity of CTA to spectral cutoff features of point-like sources. The top panel
shows the comparison of the ”transition regions”, i.e. the region between the detection probability contours of
30% (dashed lines) and 90% (solid lines), for the detection of a spectral cutoff with true value of 200 TeV.
The performance corresponding to 10 h, 50 h, and 100 h of CTA data is shown in red, blue and green. The
corresponding spectral cutoff detection maps for 50 h and 100 h observations are given at the bottom left and
right panels, respectively. The figures and caption are taken from [93].

PeVatron detection, assuming that the γ -ray emission has a hadronic origin, is a robust detection of

γ -ray spectral cutoffs, particularly well beyond 100 TeV after deep exposure, as shown in the 200 TeV

map in Figure 18. On the other hand, not detecting a spectral cutoff in the instrument energy range

means that the source spectrum appears as a power-law, which can have two possible explanations.

The first possibility is that the underlying proton cutoff may be very high, causing the cutoff in the
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γ -ray spectrum to fall outside the instrument energy range, effectively making the source a PeVatron.

Alternatively, a source can appear as a power-law because it is faint, and there are insufficient high

energy statistics to detect the spectral cutoff, and in this case, it would be unclear whether underlying

proton cutoff is high or low. For the latter case, further observations would be required to increase the

statistics at high energies. The PTS concept is very useful in such cases, providing SPTS ≥ 5σ for the

former PeVatron with a high proton cutoff, while giving |SPTS| < 5σ for the faint source exhibiting

power-law spectrum. Consequently, the spectral cutoff detection maps provide limited information

about PeVatron detection, whereas PeVatron detection maps, which are constructed based on the

PTS approach, offer clearer insights. The sources with spectral parameter values within the yellow

regions are robust PeVatrons at a SPTS ≥ 5σ level.

5.4. Absorption of gamma rays in the Galaxy

In principle, there is no theoretical upper limit on the amount of energy that γ rays can have. However,

the maximum energy of CRs that have been detected so far is ∼1020 eV, or 100,000 PeV, as seen in

Figure 1. Based on the previous discussion in subsection 5.1, it is possible to produce γ rays with

energies of ∼1019 eV through pp-interactions. Gamma-ray photons can interact with lower energy

photons and even with each other, leading to the production of electron-positron pairs. Consequently,

the propagation of γ rays in the universe is limited by the attenuation of photons caused by the

process of pair production, γγ → e+ + e− process, also known as γγ absorption. Especially, the

attenuation of γ rays from the CMB photon field sets an effective horizon for γ -ray energies above 1

PeV [94, 95].

It was extensively discussed in [76], that there are four radiation field components within our

Galaxy that are responsible for the absorption of γ rays, including the extra-galactic background light

(EBL) and the cosmic microwave background (CMB), which have universal, extra-galactic origins.

The other two components, which have Galactic origins, are starlight and infrared (IR) radiation

emitted by heated dust. To accurately estimate the absorption of γ rays as they travel through

the Galaxy, it is crucial to have a thorough understanding of the density, energy, and direction of

photon fields at various locations within the Galaxy. Indeed, these different radiation fields have

varying absorption effects at different energy ranges. The top left panel of Figure 19 illustrates how

the survival probability of γ rays, defined as PSurv = 1 - PAbs , originating from the direction of

the Galactic center changes as a function of γ -ray energy for a given absorbing photon field. As

shown in the figure, γ -ray absorption due to radiation emitted by dust (dashed-blue line) reaches

its maximum at energies around 100−150 TeV, while absorption due to the CMB field (dashed-

red line) is particularly effective, especially above 200−300 TeV energies, and reaches its maximum

around 2.2 PeV [76]. The sum of these two absorption effects (black solid line) creates a characteristic

spectral absorption feature known as the ’shoulder’ around 150 TeV energies. The top right panel

of Figure 19 shows a comparison of the total absorption spectra in the case of γ rays arriving from

different locations of the Galaxy. As seen from the inset of this figure, PeV γ rays arriving from the

edges of our Galaxy (i.e. 20 kpc radius) are completely absorbed due to the CMB field, creating a

PeV horizon at Galactic scales.
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Figure 19. Top panel: (left figure) survival probability of γ rays for a trajectory from the GC to the Sun,
plotted as a function of the γ -ray energy. The contributions of different radiation fields are shown. The inset
shows the contributions of starlight, infrared radiation with wavelength λ < 50 µm and EBL. (Right figure)
Survival probability of γ rays for three different trajectories in the Galactic plane, plotted as a function of the
γ -ray energy. The inset shows the position of the sources. Bottom panel: survival probabilities of gamma rays
of energy 150 TeV and 2 PeV as a function of the source distance, for lines of sight with different Galactic
longitudes and fixed Galactic latitude of b (left figure) and fixed Galactic longitude l (right figure), respectively.
The figures and captions are taken from [76]

.

The bottom panels of Figure 19 nicely illustrate how the survival probabilities of γ rays (PSurv )

are affected by the distance of their source from the Sun. The figures show the survival probabilities

for two instances of γ -ray energies, 150 TeV and 2 PeV, calculated from fixed Galactic longitude (left

panel) and latitude (right panel), respectively. Regardless of the line of sight, the figures reveal that

nearly 80% of 2 PeV γ rays are absorbed at a distance of 10 kpc. Additionally, it is clear that 150 TeV

γ rays arriving from regions with dense IR field, which are expected to be most common at the center

of the Galaxy (l=0, b=0), experience higher levels of absorption. This physical phenomenon should

be taken into account in the search for the origin of CRs, particularly in the search for PeVatrons,
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which relies mostly on the detection of UHE photons that are most affected by absorption effects,

as discussed in the framework of Figure 19. The absorption effects due to dust and CMB radiation

fields lead to decreased statistics, especially at the high energy end of the γ -ray spectra, causing

the observed spectrum to appear ”steepened” compared to the unabsorbed spectrum, as previously

mentioned in subsection 4.2 and Figure 8.

Figure 20. Left figure: VHE γ -ray image of the the inner ∼70 pc of the Galactic center region. The color scale
indicates counts per 0.02◦ × 0.02◦ pixel. The black star shows the location of Sgr A*, while the black contour
lines show the region used to extract the spectrum of the diffuse emission. A section of 66◦ , where a known VHE
source exists, is excluded from the annuli. The left figure and caption are taken from [14]. Right figure: VHE
γ -ray spectrum of the diffuse emission around the Galactic center measured by the HESS instrument (black
hollow dots), extracted from the annulus region shown in the left figure, together with absorption-corrected data
flux points (red triangles and blue squares). The best-fit spectral models are shown for absorption uncorrected
and corrected cases with black solid and red short-dashed and blue long-dashed curves, respectively. The right
figure and caption are taken from [96].

In an interesting example of correcting spectral absorption effects, researchers in [96] applied

a correction to the diffuse Galactic center data. The region of diffuse emission around the GC was

the first region in our Galaxy where the existence of a PeVatron source was claimed [14], based on a

95% C.L lower limit on the proton cutoff. Figure 20 displays the VHE γ -ray image of the GC region

(left figure) alongside the diffuse emission spectrum (right figure), extracted from an annulus-shaped

region located in the vicinity of the GC. The best model describing the diffuse emission spectrum is

a power-law with a photon index of 2.3, which does not show any clear signs of a spectral cutoff or

break, at least up to tens of TeV energies. Assuming that the diffuse emission spectrum is generated

by the interaction of CRs, injected from a central CR source, with the dense molecular clouds present

in the GC region, the parent proton spectrum that gives rise to the observed γ -ray spectrum should

also be a power-law, with a proton spectral index of ∼2.4 [87]. The authors have calculated the 68%,

90%, and 95% CL lower limits on the proton spectral cutoff energy to be 2.9 PeV, 0.6 PeV, and
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0.4 PeV, respectively [14]. The research presented in [76] primarily aimed to correct the absorption

effects on the diffuse emission spectrum, specifically for energies above 10 TeV. The corrected flux

points for energies above 10 TeV, accounting for both faint and strong interstellar radiation field

models∗, are depicted in Figure 20 as red triangles and blue squares, respectively, along with the

best-fit γ -ray models represented by red and blue dashed curves. Using these γ -ray models, the 95%

CL lower limits on the proton spectrum cutoff were determined as 670 TeV and 1180 TeV for faint

and strong IR fields, respectively. Comparing the 95% CL lower limits on the proton cutoff between

the absorption-uncorrected and corrected cases highlights the importance of considering such effects,

particularly when the sources are situated in IR-dominated radiation fields and/or at greater distances.

In conclusion, to obtain a comprehensive understanding and accurate interpretation of PeVatron

sources, it is crucial to consider and correct for absorption effects in the analysis of observational data,

particularly for UHE sources with spectra spanning up to several hundred TeVs. For UHE sources, the

CMB will be the primary absorbent radiation, and the degree of absorption will be closely linked to the

source distance. Therefore, determining precise distances for these sources is essential for correcting

the derived flux points, especially above energies of 200−300 TeV.

6. The problem of source confusion in the search for PeVatrons

The challenge of distinguishing between two (or more) nearby γ -ray sources is commonly known as

’problem of source confusion’ in γ -ray astronomy. Typically, one of the VHE γ -ray sources is concealed

beneath the tails of the bright VHE emission from another γ -ray source. While energy-dependent

morphology studies may lead to new source discoveries, particularly in densely populated Galactic

regions, this approach may not always provide a precise estimation of the degree of contamination.

Although some attempts have been made using traditional background estimation models, e.g. see

[97], more advanced 3D analysis techniques [98] would be necessary, in particular to reconstruct the

confused spectra of overlapping sources. In a recent study reported in [99], authors used the likelihood

ratio test to examine the ability of the CTA to identify and address source confusion. In the following

section, a general overview of several cases of Galactic source confusion will be discussed in the context

of PeVatron searches. It is worth mentioning that PeVatron candidates have been identified in all of

these source confusion cases.

6.1. The case of HESS J1641−463: power of energy-dependent morphology analysis

Figure 21 illustrates the process of discovering new sources through energy-dependent morphology

analysis. This analysis discussed here [73] was carried out on a Galactic region which includes two

VHE γ -ray sources, HESS J1640−465 [100] and HESS J1641−463 [73]. The former has an extended

morphology with an extension of ∼0.11◦ , while the latter exhibits a point-like morphology. The two

sources are located at an angular distance of ∼0.28◦ away from each other. HESS J1640−465 is a

bright SNR with Φ0 (1 TeV) = (3.3 ± 0.1stat ± 0.6sys ) ×10−12 TeV−1 cm−2 s−1 and displays a

∗The interstellar radiation field models are ’the F98 model’, which gives an estimate for the strongest infrared emissions
over this region, and ’the R12 model’, which provides close to a lower bound infrared emissions. Consequently, the F98
model leads to higher level of γ absorption with respect to the R12 model. See [76] for further details.
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Figure 21. Top panel: The left figure is the map of excess events with energies E>4 TeV for the region around
HESS J1641−463. The white contours indicate the significance of the emission at the 5, 6, 7, and 8σ level. The
black cross indicates the value and uncertainty of the best-fit position of the source, the green dashed circles
show the positions and approximate extensions of the two nearby SNRs, the black diamond the position of
PSR J1640−4631. The red box indicates the area for the extraction of the profiles shown in the middle figure.
Middle figure: distribution of VHE γ -ray excess profiles and Gaussian fits for the red rectangular slice shown
in the left panel for different energy thresholds of 1 TeV, 3 TeV and 5 TeV. Vertical lines show the position of
the SNR 338.3−0.0 and G338.5+0.1. Fits using a single and a double Gaussian function are shown in dashed
and solid lines, respectively. Right figure: differential γ -ray spectrum of HESS J1641−463 together with the
expected emission from pp collisions (left) and IC off CMB photons (right). The pink area represents the 1σ
confidence region for the fit to a power-law model, the black data points the H.E.S.S. measured photon flux.
The figures and captions are taken from [73].

significant spectral cutoff at Ecut = 6.0+2.0
−1.2 , with a spectral index of Γ=2.11± 0.09stat ± 0.10sys

[100]. On the other hand, HESS J1641−463 is an unidentified source that shows a pure power-law

spectrum up to at least 20 TeV without exhibiting any clear indication of a spectral cutoff. This

source is nearly eight times fainter than HESS J1640−465, with Φ0 (1 TeV) = (3.91 ± 0.69stat ±
0.78sys )×10−13 TeV−1 cm−2 s−1 and a power-law spectral index of Γ=2.07± 0.11stat ± 0.20sys

[73]. At energies above 0.6 TeV, the total region of γ -ray emission appears as a single blob due to

the difference in sources’ relative brightness. In other words, HESS J1641−463 was hidden under the

exceptionally luminous VHE source HESS J1640−465. The situation does not change dramatically

at energies above 1 TeV, but becomes noticeable only at energies above 2−3 TeV. The top left panel

of Figure 21 shows the excess map of the region at energies above 4 TeV, in which two sources can

be clearly distinguished from each other. It is important to note that HESS J1641−463 emerges at

high energy due to its power-law spectrum that goes up to at least 20 TeV without a spectral cutoff,

while the spectrum of HESS J1640−465 cuts off at 6.0 TeV. These two sources have nearly equal

brightness above 5 TeV, as seen in the lower slice plot in the top middle panel of Figure 21. The

improved angular resolution of H.E.S.S. telescopes at high energies is the main factor that makes

it possible to distinguish between these two sources as the energy increases. The top right panel of

Figure 21 shows the spectrum of HESS J1641−463 plotted together with emission models for hadronic

pp-interactions (left) and leptonic IC off CMB photons (right) for different particle cutoff energies. It

was discussed in [73] that, assuming the VHE energy γ -rays are originated from hadronic interactions,
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HESS J1641−463 becomes one of the most promising PeVatron candidates in the Southern sky and

is expected to be observed at UHE due to its hard power-law spectrum. Here one can imagine that

the UHE emission from this region, if it exists, will look like a single blob when observed with particle

arrays, like i.e. future SWGO. To fully understand the PeVatron nature of this intriguing source, UHE

data above 100 TeV and high angular resolution VHE data taken with instruments such as HESS or

future CTA would be necessary.

6.2. Analysis of the complex HESS J1825−137 and HESS J1826−130 region: a dark

component emerging at high energies

One of the most interesting source confusion example in the Galactic plane is between HESS J1825−137

[101] and HESS J1826−130 [97]. HESS J1825−137 is a well-known very bright PWN, which shows

one of the most extended γ -ray emission regions in the Galaxy, exhibiting a clear energy-dependent

morphology. Figures 22 (A) and 22 (B) show the excess maps of this region above 0.2 TeV and

5 TeV, respectively. Both the total and core nebula spectra (see the green circles in Figure 22 (A)

and corresponding spectra in Figure 22 (C)) show significant spectral cutoffs at around ∼19.0 TeV,

together with spectral index values of ΓTotal =2.18 ± 0.02stat ± 0.02sys (for the total nebula) and

ΓCore =2.12 ± 0.02stat ± 0.03sys (for the core nebula), respectively [101]. The total nebula is ex-

tremely bright and the flux above 1 TeV is (1.12 ± 0.03stat ± 0.25sys )×10−11 cm−2 s−1 , corre-

sponding to ∼64% of the Crab Nebula flux. The unidentified source HESS J1826−130 was completely

hidden under the tails of bright VHE emission from HESS J1825−137, and it could be seen clearly only

above energies of ∼2−3 TeV [97, 103]. For comparison, integral flux above 1 TeV for HESS J1826−130

is just ∼5% of the Crab Nebula flux, more than 10 times fainter with respect to HESS J1825−137. The

emission from the direction of HESS J1826−130 shows a clear spectral cutoff at Ecut = ∼15.0 TeV,

and the source has one of the hardest spectra ever observed in the VHE domain of Γ=1.78 ± 0.10stat

± 0.20sys [97]. The comparison between the spectra of HESS J1825−137 and HESS J1826−130 is

given in Figure 22 (C). Similar to the case of HESS J1641−463, the energy-dependent morphology

analysis of this particular Galactic plane region led to the discovery of HESS J1826−130. It is worth

mentioning that the discovery is mostly due to the very hard spectrum of HESS J1826−130, which

makes it possible for the source to emerge at high energies, although the nearby source is extremely

bright.

The location of this complex Galactic region is also visible for the LHAASO experiment. The

total ∼1150 h of LHAASO observations led to detection of the UHE source, LHAASO J1825−1326,

at a significance level of 16.4σ above 100 TeV energies [57]. The significance map and the spectrum

of LHAASO J1825−1326 reconstructed from LHAASO observations is given in Figure 22 (D). As

it can be seen from this figure, UHE emission coming from this region appears as a single blob,

with 1σ Gaussian extension of ∼0.62◦ . The highest energy photon detected from the direction of

LHAASO J1825−1326 is 420 TeV [57]. The discovery of LHAASO J1825−1326 emitting UHE γ -

rays was truly remarkable. As previously mentioned, the two known VHE γ -ray sources in this

region, HESS J1826−130 and HESS J1825−137, exhibit significant cutoff features in their spectra.
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Figure 22. Top panel: (A) the excess count map of the HESS J1825−137 region above 0.2 TeV energies, with
the locations of two energetic pulsars in the region indicated by green triangles. The two spectral extraction
regions used in the right figure are overlaid. The larger region with a radius of 0.8◦ , whereas the region with
the smaller radius of 0.4◦ encompasses the core emission. (B) Map of excess counts with energies E>5 TeV for
region around HESS J1826−130. The white contours indicate the significance of the emission at the 5σ , 10σ ,
and 15σ level. The green circle shows the integration region used for deriving the source spectrum (see inset C),
while the green cross indicates the value and 1σ uncertainty of the best-fit position of the source. The blue star
shows the peak position of the bright nearby source HESS J1825−137. The blue triangle indicates the position
of PSR J1826−1334. (C) Comparison of spectra extracted from the regions of 0.8◦ and 0.4◦ radii shown in (A)
together with a spectrum of HESS J1826–130. All spectra are shown with a best-fit model of a power-law with
exponential cut-off. (D) spectral energy distribution and significance map of LHAASO J1825−1326. Spectral
fits with a log-parabola function (solid lines) in the form of [E /(10 TeV)]−a−blog[E/(10 TeV)] are compared with
the power-law fits. Figures (A) and (C), and corresponding captions are taken from [101], while figure (B) and
its caption are taken from [97]. Figure (D) and its caption is taken from [57].
Bottom panel: (E) significance map around the eHWC J1825-134 region for reconstructed energies greater than
1 TeV. The blue significance contours correspond to TS at 26, 28 30, 32 and 34. (F) zoom in of the blue dashed
region (from E) including only reconstructed energies greater than 177 TeV. The blue contours corresponding to
H.E.S.S. excess at 20, 35, 50, 60, and 70 counts with energies beyond 10 TeV. (G) spectral energy distribution
for the sources in the region of interest around eHWC J1825−134 that were considered in the model. Figures
(E), (F), (G) and corresponding captions are taken from [102].

Therefore, it is challenging to account for the UHE emission observed above 100 TeV using only the

spectral findings from the H.E.S.S. experiment.

The most interesting experimental results of this complex region came from HAWC observations.

After the analysis of ∼1343 days of HAWC data, three distinct source components have been identified

in this region [102], as it is shown in Figure 22 (E). Of these components, HAWC J1826−128

and HAWC J1825−138 are spatially coincident with the previously mentioned known VHE sources,

HESS J1826−130 and HESS J1825−137, respectively, also exhibiting significant spectral cutoffs at
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comparable values of ∼24 TeV and ∼27 TeV. Therefore, these results suggest that they are essentially

the same sources seen by different instruments. The new third component, HAWC J1825−134, is

located between HAWC J1826−128 and HAWC J1825−138, and surpisingly could not be detected at

VHEs by the H.E.S.S. experiment. This new component is noteworthy because it emits UHE photons

with energies up to 200 TeV, and its spectrum extends beyond 100 TeV without showing any indication

of a spectral cutoff, having a power-law index of Γ = 2.28 ± 0.12stat ± 0.10sys [102], as shown in

Figures 22 (F) and 22 (G). Furthermore, HAWC J1825−134 and the LHAASO detected UHE source

LHAASO J1825−1326 are spatially coincident. This indicates that what LHAASO detects above

100 TeV is, in essence, this new third component, as the other two components have a sharp spectral

cutoff at energies well below 100 TeV. One of the puzzling questions here is the non-detection of

HAWC J1825−134 by the H.E.S.S. experiment, which has in principle much better angular resolution

with respect to HAWC. Furthermore, looking at the (yellow) source spectrum seen in Figure 22 (G),

HAWC J1825−134 has similar flux level as HESS J1826−130, especially between 1−10 TeV, and

the integral flux of HAWC J1825−134 above 1 TeV is ∼2.4×10−12 cm−2 s−1 , corresponding to

∼12% of the Crab Nebula flux, which is well within the range of H.E.S.S. sensitivity. It is also worth

mentioning that HAWC J1825−134 is also a point-like source for the HAWC experiment and the

95% CL upper limit on the extension is 0.18◦ [102], thus, degraded sensitivity due to the source

extension cannot be the reason for the non-detection. Consequently, one expects that HESS should

have detected this third component, especially after the extremely long exposure of more than 350

h [101] taken on this complex region. One possible explanation is that HAWC J1825−134 actually

does not emit at E<10 TeV energies but only emerges above 10−20 TeV, and the E<10 TeV flux

data seen in the (yellow) source spectrum in Figure 22 (G) can be the effect of the forward-folding

method [104] used in the analysis, which assumes a spectral shape, therefore could be misleading. The

future observations of this region, especially with ground-based observatories effectively operating

between 10 TeV and 100 TeV with a superior angular resolution like CTA North and South or ASTRI

Mini-Array [105, 106], will shed light on the nature of this mysterious component, the very promising

PeVatron candidate HAWC J1825−134.

6.3. HESS J1702−420: a promising dark PeVatron candidate at Southern sky

The unidentified VHE γ -ray source HESS J1702−420 has been known for a long time since 2006

[108, 109]. The source was detected at 13σ significance level due to its relatively bright flux level

at 1 TeV of Φ0 = 9.1±1.1)×10−12 cm−2 s−1 TeV−1 and hard spectrum with power-law index of

Γ = 2.07 ± 0.08 [109], although it was observed for a relatively short total exposure of only ∼7

h. The morphology of the source was determined to be extended with a stretched Gaussian shape

that had intrinsic semimajor and semiminor axes of 0.30◦ ± 0.02◦ and 0.15◦ ± 0.01◦ , respectively.

Although the source was promising from the perspective of PeVatron searches due to its hard VHE

spectrum, no further H.E.S.S. observations were conducted on it until 2017. From 2017 to 2019, the

source was observed mostly under large zenith angle observations between 37.5◦ and 59.1◦ , which

are known to increase the effective area [110] and provide increased high energy statistics. The new

data was combined with previous observations and analyzed using 3D likelihood analysis [98], which
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Figure 23. Top panel: Left figure is the count map around HESS J1702−420 region at energies above 2 TeV.
The bright area around l ≥345◦ results from deep observations of RX J1713−3946 and HESS J1708−410.
Right figure: energy-integrated (E>2 TeV) map of model-predicted counts, with names and 1σ shapes of all
model components overlaid. The large-scale discarded component is indicated by the dashed circle.
Bottom panel: Left figure is the γ -ray flux map of the HESS J1702−420 region, computed with the ring
background method, above 40 TeV. The color code is in unit of γ -ray flux (cm−2 s−1 ) per smoothing area.
The white contours indicate the 3σ and 5σ H.E.S.S. significance levels. Right figure: power-law spectra of
HESS J1702−420A (red solid line) and HESS J1702−420B (blue solid line). The butterflies show the 1σ
statistical uncertainty on the spectral shapes. In the energy bins with less than 3σ excess significance, the 3σ
confidence level upper limits are shown. The figures and captions are taken from [107].

is known to be a more sensitive analysis method compared to traditional methods like the ring and

reflected background estimation [111]. The 3D analysis of this region led to remarkable results. The

analysis was able to separate and distinguish two distinct components that were situated on top of

each other as illustrated in the top right panel of Figure 23. The first component, HESS J1702−420A,

is a point-like source exhibiting one of the hardest spectrum observed at VHEs with a power-law index

of Γ = 1.53 ± 0.19stat ± 0.20sys . The source spectrum extends up to 100 TeV without any clear

indication of a spectral cutoff, making this source one of the most promising PeVatron candidates in

the Southern sky [107]. The excess flux map of HESS J1702−420 region above 40 TeV is given in

the bottom left panel of Figure 23. There are dense molecular clouds found along the line of sight,
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suggesting a plausible hadronic origin of the emission [112]. Assuming an hadronic origin, the 95%

lower limit on the proton spectral cutoff is estimated to be ∼0.88 PeV by the authors [107]. The other

less interesting component HESS J1702−420B displays a quite soft power-law spectrum with an index

of Γ = 2.62 ± 0.10stat ± 0.20sys exhibiting an extended morphology with an elongated Gaussian

shape. The comparison between the spectra of detected A and B components is given in the bottom

right panel of Figure 23. As it can be seen from the figure, the (red) spectrum of HESS J1702−420A

is extremely promising and exhibits spectral signatures of PeVatron sources. Nevertheless, UHE data

above 100 TeV are required in order to understand the nature of this unidentified source. Especially,

observations of HESS J1702−420 region with particle arrays, like planned SWGO in the Southern

hemisphere, will shed light on the PeVatron nature of this source.

6.4. The sky-region including the Boomerang PWN and SNR G106.3+2.7: the power of

high angular resolution observations in the hunt for Galactic PeVatrons

The UHE γ -ray source, LHAASO J2226+6057, with the maximum detected photon energy of

570 TeV, is located in a very complex region of the Galactic plane [57]. This region encompasses

a SNR, SNR G106.3+2.7, that has been detected at radio wavelengths. The SNR has a comet-shaped

radio morphology, with a bright circular ”head” region and a dimmer ”tail” region. In addition, there

is a PWN, which is powered by the energetic pulsar PSR J2229+6114, situated at the north of the

head region. This PWN is named as ’the Boomerang PWN’, and the pulsar that powers it is a signifi-

cant source of energy with its spin-down luminosity of Ė=2.2×1037 erg s−1 and characteristic age of

τc=10 kyr. This intriguing complex region of the Galactic plane has been observed by Fermi−LAT

[113], VERITAS [114], Milagro [117, 118], Tibet ASγ [115] and LHAASO [57] experiments. The

γ -ray skymaps of this region, reconstructed independently from Fermi−LAT, VERITAS, Tibet ASγ

and LHAASO observations, are given in the top left panel of Figure 24. As it can be seen from the

skymaps, observation with all these instruments lead to the detection of an extended γ -ray emission,

which is seen as a single component. Consequently, it was not clear whether the SNR G106.3+2.7,

the Boomerang PWN or both at the same time were the source of the observed γ -ray emission.

The MAGIC observations of this complex region with their superior angular resolution, reaching

to 0.065◦ above 1.1 TeV energies [116] could discriminate two different subcomponents, associated

to ’head’ and ’tail’ regions, from each other. The confusion between ’head’ and ’tail’ components

could be clearly resolved in an energy-dependent analysis. As it can be seen from the top right

panel of Figure 24, the γ -ray emission looks like a single blob-like component above 0.2 TeV energies.

Investigating the emission in different energy bands shows that the ’head’ component dominates the

low energy part of the emission between 0.2 TeV and 1.1 TeV, while the ’tail’ component becomes

prominent above the energies of ∼6 TeV. In between 1.1 TeV and 6.0 TeV, both components produce

detectable γ -ray emission that are confused and appear as a blob like single extended component (see

inset C of Figure 24 right) [116]. The resolved spectra of the ’head’ and ’tail’ components are shown

at the bottom panel of Figure 24. The left figure shows the comparison of spectra reconstructed from

MAGIC observations with the previous spectral measurements obtained with different instruments,

while the right figure zooms only on the ’head’ and ’tail’ spectra. Both components exhibit power-law
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Figure 24. Top panel: Left figure enclosed in black rectangle is the skymaps of the region including
SNR G106.3+2.7 and the Boomerang PWN. (A) Significance map obtained from Fermi-LAT observations
[113], (B) excess map obtained from VERITAS observations [114], (C) significance map obtained from Tibet
ASγ observations [115], (D) significance map obtained from LHAASO observations LHAASO[57]. Right figure
enclosed in red rectangle: energy-dependent significance maps of SNR G106.3+2.7 observed with the MAGIC
telescopes [116]. (a) Map above 0.2 TeV. The PSF is 0.075◦ . The white dotted circles show θ2 cut regions of
the head and tail regions, respectively. (b) Map at 0.2−1.1 TeV. The PSF is 0.1◦ . (c) Map at 1.1–6.0 TeV.
The PSF is 0.065◦ . (d) Map at 6.0−30 TeV. The PSF is 0.065◦ .
Bottom panel: Left figure is the spectral energy distribution of the whole region of SNR G106.3+2.7. Green
data represent the spectrum of the VER J2227+608 region as measured with the MAGIC telescopes. The zoom
to shaded blue and red regions is shown in the left. The Fermi-LAT [113], VERITAS [114], Milagro [117, 118],
Tibet ASγ [115], and LHAASO measurements [57] are shown. Right figure is the energy spectra of the head
and tail regions. Red and blue data represent the spectra of the head and tail, respectively. The color ’bow-tie’
areas show the result of fitting with a simple power-law function and 1σ statistical uncertainties. The top right
figure, bottom panel figures, and corresponding captions are taken from [116].

spectra without showing any signs of a cutoff. The ’head’ component has a relatively soft spectral

index of ΓHEAD =2.12± 0.12stat ± 0.15sys , while the spectral index is harder (ΓTAIL =1.83± 0.10stat

± 0.15sys ) for the tail component, and makes it a promising PeVatron candidate source [116]. These

results suggest the interpretation that the UHE γ -ray emission seen by the LHAASO experiment is
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actually connected to the ’tail’ component of the SNR G106.3+2.7. The future observations of this

complex region with instruments providing both high angular resolution and sensitivity, especially

above 10 TeV, like CTA North or ASTRI Mini-Array will help understanding the PeVatron nature of

the ’tail’ region.

7. Summary and Conclusion

This review article presents an overview of the search for Galactic PeVatrons through ground-based

γ -ray observations. Recent advancements in γ -ray astronomy have provided evidence for the presence

of PeVatrons in our Galaxy. Specifically, this review article offers clear definitions for hadronic

and leptonic PeVatrons as astrophysical objects capable of accelerating ’individual’ hadrons and

leptons to at least 1 PeV energies and beyond, respectively. Meanwhile, ”CR knee PeVatrons” are

defined as astrophysical objects capable of accelerating ’bulk of hadrons’ at least up to the knee

energies observed in the CR spectrum. In this regard, the quest for the origin of Galactic CRs

is directly linked to CR knee PeVatrons. A preliminary estimate of the minimum effective area

required for future particle arrays to detect at least one PeV photon after one year of observation

time is provided in this article. Based on the published LHAASO spectra of three UHE sources

(LHAASO J2226+6057, LHAASO J1908+0621 and LHAASO J1825−1326), the minimum effective

area required is estimated to be ∼4−5 km2 . Additionally, it was shown that a preliminary estimate

of the integral diffuse γ -ray flux above 100 TeV of Fγ,diff (>100 TeV) = (2.48 ± 0.91)×10−13

cm−2 s−1 sr−1 , which is derived from Tibet ASγ observations, can be used to estimate the background

event counts obtained from 12 LHAASO UHE sources with an accuracy better than 10%. The article

also reviews the spectral signatures of hadronic PeVatrons resulting from pp interactions followed by

subsequent π0 decay, presenting a 2D plot that illustrates the relationship between the parent proton

spectrum parameters (βp and Γp ) and the resulting γ -ray spectral parameters (Ecut, γ /Ecut,p and

βγ ). The available analysis methods used to search for PeVatron signatures are discussed, as well

as the effects of γγ absorption in the search for PeVatrons, particularly for UHE sources that are

located at far distances within our Galaxy. A detailed discussion on the issue of source confusion

in the search for PeVatrons is provided, focusing on four complex regions in the Galactic plane:

HESS J1640−465 / HESS J1641−463, HESS J1825−137 / HESS J1826−130, HESS J1702−420 and

Boomerang PWN / SNR G106.3+2.7 regions. The importance of high angular resolution observations

in the search for PeVatrons is highlighted, with examples of the effectiveness of energy-dependent

morphology analysis. In conclusion, the quest for the origin of Galactic CRs is an ongoing pursuit and

will remain a major focus in the field of Galactic γ -ray astronomy in the upcoming years. To achieve

breakthroughs, synergies between VHE and UHE γ -ray astronomy, as well as joint data analyses from

IACTs and particle arrays will play a crucial role for future investigations. By utilizing the superior

angular and energy resolutions provided by IACTs in conjunction with the unprecedented sensitivities

of particle arrays above 100 TeV, it can be potentially possible to resolve this long-standing enigma

and shed light on the origin of Galactic cosmic rays in the next decade.
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E.O. Angüner - PeVatrons and the quest for the origin of Galactic cosmic rays/Turk J Phys

[21] V. Verzi, “Measurement of the energy spectrum of ultra-high energy cosmic rays using the Pierre Auger

Observatory,” in 36th International Cosmic Ray Conference (ICRC2019), vol. 36 of International Cosmic

Ray Conference, p. 450, July 2019.

[22] HAWC Collaboration, R. Alfaro, C. Alvarez, J. D. Álvarez, and et. al, “All-particle cosmic ray energy
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[94] R. J. Gould and G. Schréder, “Opacity of the Universe to High-Energy Photons,” Phys. Rev. Lett., vol. 16,

pp. 252–254, Feb 1966.

[95] R. J. Protheroe, “Effect of electron–photon cascading on the observed energy spectra of extragalac-

tic sources of ultra-high-energy γ -rays,” Monthly Notices of the Royal Astronomical Society, vol. 221,
pp. 769–788, 08 1986.

55
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ABSTRACT

We present the optical photometric and spectroscopic analysis of two type Iax SNe 2018cni and

2020kyg. SN 2018cni is a bright type Iax SN (MV,peak = −17.81±0.21 mag) whereas SN 2020kyg

(MV,peak = −14.52±0.21 mag) is a faint one. We derive 56Ni mass of 0.07 and 0.002 M�, ejecta mass

of 0.48 and 0.14 M� for SNe 2018cni and 2020kyg, respectively. A combined study of the bright

and faint type Iax SNe in R/r- band reveals that the brighter objects tend to have a longer rise time.

However, the correlation between the peak luminosity and decline rate shows that bright and faint type

Iax SNe exhibit distinct behaviour. Comparison with standard deflagration models suggests that SN

2018cni is consistent with the deflagration of a CO white dwarf whereas the properties of SN 2020kyg

can be better explained by the deflagration of a hybrid CONe white dwarf. The spectral features of

both the SNe point to the presence of similar chemical species but with different mass fractions. Our

spectral modelling indicates stratification at the outer layers and mixed inner ejecta for both the SNe.
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1. INTRODUCTION

Type Ia supernovae (SNe) are the final outcome of

the thermonuclear explosion of a Carbon-Oxygen (CO)

white dwarf in a binary system (Hoyle & Fowler 1960;

Wang & Han 2012; Maeda & Terada 2016; Maoz et al.

2014; Jha et al. 2019). As a group, type Ia SNe dis-

play great uniformity and are well known as members

of one parameter family (Phillips 1993; Phillips et al.

1999). Despite the uniformity, diversity has also been

noted from time to time based on the explosion sce-

nario (Taubenberger 2017). Amongst different subtypes

of thermonuclear SNe, type Iax SNe emerge as low lu-

minosity (MV,peak = −13 to −19 mag, Jha 2017) and

less energetic members (Foley et al. 2013). They are

also known as 2002cx-like SNe after its prototype SN

2002cx (Li et al. 2003; Jha et al. 2006). McClelland

et al. (2010) suggested a correlation between peak lu-

minosity, photospheric velocity at maximum and shape

of the light curve of type Iax SNe, however, there are a

few outliers such as SN 2009ku (Narayan et al. 2011),

SN 2014ck (Tomasella et al. 2016) etc. Narayan et al.

(2011) suggested a scaling relation between the decline

rate and ejecta velocity. A possible correlation between

decline rate and absolute magnitude at maximum was

also shown by Foley et al. (2013) and Magee et al. (2016).

The diversity in the observed properties such as peak

brightness, light curve decline rates, and ejecta veloci-

ties indicates that type Iax SNe form a heterogeneous

class.

During the early phase, spectra of type Iax SNe ex-

hibit similar spectral signatures as SN 1991T-like type

Ia SNe (Phillips et al. 2007; Foley et al. 2010). They

show Fe II and Fe III lines during early spectral evolution

and do not display any high velocity features (Silverman

et al. 2015). The brighter type Iax members such as SNe

2005hk (Sahu et al. 2008), 2012Z (Stritzinger et al. 2015;

Yamanaka et al. 2015), and 2020rea (Singh et al. 2022)

have weaker Si II and less distinguished C II features

as compared to the fainter members of this class such

as SNe 2008ha (Foley et al. 2009), 2019gsc (Srivastav

et al. 2020; Tomasella et al. 2020) and 2020kyg (Srivas-

tav et al. 2022). Also, the W-shaped feature, attributed

to S II (Hachinger et al. 2006), looks stronger in the

spectra of the fainter type Iax than the brighter ones.

The wide range of luminosity among members of this

class presents a challenge in understanding them collec-

tively in terms of a single physical scenario. For SN

2012Z, McCully et al. (2014a) reported the detection

of a blue source coinciding with the SN location in the

pre-explosion images. An accreting white dwarf with a

Helium star in a binary system has been suggested as

the plausible progenitor of SN 2012Z (McCully et al.

2014a, 2022). Jordan et al. (2012), Kromer et al. (2013)

and Fink et al. (2014) proposed that the deflagration of a

Chandrasekhar-mass white dwarf, leaving behind a rem-

nant, could explain the low luminous nature of type Iax

class. Foley et al. (2014) investigated the emission ob-

served at the explosion site of SN 2008ha four years after

the explosion and discussed the possibilities of its asso-

ciation with the remnant of the white dwarf. Further,

the presence of a bound remnant is also supported by

late time flattening found in the light curves of type Iax

SNe (McCully et al. 2014b; Singh et al. 2018; Kawabata

et al. 2021; McCully et al. 2022). A similar explosion

of a hybrid Carbon Oxygen Neon (CONe) white dwarf

(Meng & Podsiadlowski 2014; Kromer et al. 2015) yields

an outcome consistent with faint type Iax SNe. Given

the variety of possible progenitor channels (Pumo et al.

2009; Valenti et al. 2009; Moriya et al. 2010; Denissenkov

et al. 2015; Bravo et al. 2016; Kashyap et al. 2018; Bo-

brick et al. 2022; Lach et al. 2022), detailed analysis of

a statistically complete sample of type Iax SNe is re-

quired to thoroughly understand the nature of this pe-

culiar class of SNe.

Bright and faint members of the type Iax class show

diverse nature in terms of their luminosity, the synthe-

sized mass of 56Ni, spectral features, etc. This paper

presents an optical follow up of two type Iax SNe 2018cni

and 2020kyg. SN 2018cni belongs to the bright type Iax

SNe and SN 2020kyg is situated at the fainter end of the

type Iax class. We intend to examine the heterogeneity

or homogeneity in the two extremes of luminosity distri-

bution of type Iax SNe. Section 2 provides information

about the discovery of the SNe, observations, and reduc-

tion of the data. Distance and extinction estimations

are given in Section 3. Section 4 presents a detailed de-

scription of the photometric properties of the SNe and

analytical modelling of the bolometric light curve. Sec-

tion 5 discusses spectroscopic properties and spectral

modelling. A comparative analysis followed by a brief

summary is presented in Section 6.

2. DISCOVERY, OBSERVATION, AND DATA

REDUCTION

SN 2018cni (also known as PTSS-18fdb, ATLAS18qql

and Gaia18bpu) was detected by PMO-Tsinghua Super-



SNe 2018cni and 2020kyg 3

Table 1. Optical photometric data of SN 2018cni

Date JD† Phase‡ B V g r i

(Days) (mag) (mag) (mag) (mag) (mag)

2018-06-19 288.64 -1.34 18.46± 0.01 18.18± 0.01 18.33± 0.01 18.13± 0.01 18.26± 0.02

2018-06-19 288.64 -1.34 18.48± 0.01 18.15± 0.01 18.32± 0.01 18.15± 0.02 18.24± 0.02

2018-06-20 289.98 0.00 18.35± 0.06 18.03± 0.03 18.13± 0.02 – ± – – ± –

2018-06-20 290.00 0.02 – ± – – ± – 18.22± 0.02 17.98± 0.03 18.09± 0.07

2018-06-20 290.00 0.02 – ± – – ± – – ± – 18.01± 0.03 18.12± 0.07

2018-06-26 295.94 5.95 18.95± 0.07 18.22± 0.08 18.78± 0.08 18.00± 0.08 18.15± 0.07

2018-06-26 295.94 5.95 – ± – 18.19± 0.08 18.71± 0.09 18.12± 0.07 – ± –

2018-06-29 298.58 8.59 19.28± 0.09 18.43± 0.04 19.13± 0.05 18.05± 0.02 18.05± 0.03

2018-06-29 298.58 8.59 19.42± 0.11 18.36± 0.04 19.08± 0.05 18.08± 0.02 18.09± 0.03

2018-07-03 303.37 13.38 20.25± 0.12 18.71± 0.04 19.58± 0.05 18.30± 0.03 18.12± 0.05

2018-07-03 303.38 13.39 20.04± 0.10 18.65± 0.05 19.70± 0.08 18.36± 0.03 – ± –

2018-07-07 306.64 16.65 20.61± 0.09 18.99± 0.04 20.10± 0.06 18.50± 0.03 18.24± 0.05

2018-07-07 306.64 16.65 – ± – 19.05± 0.04 20.13± 0.06 18.53± 0.03 18.39± 0.06

2018-07-10 309.89 19.90 20.80± 0.10 19.20± 0.03 20.43± 0.06 18.70± 0.02 18.43± 0.03

2018-07-10 309.89 19.90 20.86± 0.11 19.18± 0.02 20.44± 0.06 18.68± 0.02 18.41± 0.04

2018-07-13 312.50 22.51 21.05± 0.11 19.40± 0.05 20.74± 0.07 18.85± 0.03 18.40± 0.04

2018-07-13 312.50 22.51 – ± – 19.47± 0.05 20.63± 0.06 18.96± 0.03 18.46± 0.03

2018-07-17 317.00 27.01 20.97± 0.10 19.57± 0.06 20.64± 0.09 18.97± 0.04 18.67± 0.05

2018-07-17 317.00 27.01 – ± – 19.51± 0.05 20.49± 0.06 18.96± 0.04 18.75± 0.07

2018-07-19 319.23 29.24 21.04± 0.29 19.63± 0.14 20.69± 0.24 19.15± 0.12 18.84± 0.11

2018-07-19 319.23 29.24 – ± – – ± – 20.71± 0.29 19.08± 0.11 18.86± 0.10

2018-07-24 323.99 34.00 – ± – – ± – 20.56± 0.11 – ± – 18.88± 0.08

2018-07-24 323.99 34.00 – ± – – ± – – ± – – ± – 18.83± 0.09

2018-07-24 324.00 34.01 – ± – – ± – – ± – 19.21± 0.08 18.88± 0.08

2018-07-24 324.00 34.01 – ± – – ± – – ± – 19.14± 0.08 18.83± 0.09

2018-07-25 325.38 35.39 – ± – 19.93± 0.27 – ± – – ± – – ± –

2018-07-27 326.88 36.89 21.08 ± 0.19 19.76± 0.06 – ± – – ± – – ± –

2018-07-27 326.89 36.90 – ± – 19.81± 0.09 – ± – – ± – – ± –

2018-07-27 327.38 37.39 – ± – – ± – 21.03± 0.14 19.26± 0.07 18.85± 0.06

2018-07-27 327.39 37.40 – ± – – ± – 20.97± 0.15 19.39± 0.10 – ± –

2018-07-29 328.57 38.58 21.02± 0.43 – ± – – ± – – ± – – ± –

2018-07-29 328.57 38.58 – ± – 19.86± 0.28 – ± – – ± – – ± –

2018-07-29 329.46 39.47 – ± – – ± – 20.97± 0.14 19.52± 0.06 19.26± 0.09

2018-07-29 329.46 39.47 – ± – – ± – – ± – 19.50± 0.07 19.29± 0.10

2018-08-04 334.97 44.98 21.28± 0.20 19.91± 0.07 20.94± 0.13 19.48± 0.06 19.27± 0.11

2018-08-04 334.97 44.98 21.26± 0.17 19.87± 0.06 20.98± 0.15 19.35± 0.07 19.29± 0.10

2018-08-10 340.56 50.57 21.57± 0.18 20.11± 0.08 20.95± 0.13 19.72± 0.06 19.39± 0.06

2018-08-10 340.57 50.58 – ± – 20.12± 0.08 21.02± 0.12 19.71± 0.05 19.56± 0.09

2018-08-20 350.54 60.55 – ± – 20.11± 0.09 20.85± 0.11 19.83± 0.09 19.77± 0.13

2018-08-22 352.51 62.52 21.43± 0.48 20.32± 0.19 20.78± 0.30 19.79± 0.12 19.77± 0.18

2018-08-22 352.52 62.53 – ± – – ± – 20.75± 0.26 – ± – – ± –

2018-08-31 362.22 72.23 – ± – 20.30± 0.11 21.31± 0.14 20.25± 0.10 19.79± 0.17
† JD 2,458,000+ , ‡ Phase has been calculated with respect to Bmax =2458289.99

nova Survey1 (Tan et al. 2018) on June 13, 2018. The

location of the SN is at 1′′ east and 5′′ south of the host

galaxy GALEXASC J150122.78-101044.8. It was clas-

sified as a type Iax SN by Zhang et al. (2018a,b) using

a spectrum obtained on June 17, 2018. This spectrum

was found to match well with SN 2005hk, 3 days before

maximum light. The location of SN 2018cni in its host

galaxy is presented in Figure 2.

SN 2020kyg was spotted by Asteroid Terrestrial-

impact Last Alert System (ATLAS, Tonry et al. 2018)

at 0.0′′ north and 35.6′′ east to the center of the host

1 PTSS, http://www.cneost.org/ptss/

galaxy NGC 5012 on May 24, 2020 (Tonry et al. 2020;

Smith et al. 2020). ATLAS20nuc and AT2020kyg are

other aliases of this source. A non-detection was re-

ported on May 20, 2020 (MJD = 58989.36, Smith et al.

2020). Ochner et al. (2020) and Hiramatsu et al. (2020)

classified it as a type Iax SN before maximum. Figure

2 shows the position of SN 2020kyg in the host galaxy

NGC 5012.

Optical photometric observations of SNe 2018cni and

2020kyg were initiated ∼ 6 and 3 days from discovery

with the 1-m telescopes of the Las Cumbres Observatory

(LCO, Brown et al. 2013) under the Global Supernova

Project (GSP) and continued up to ∼80 and 60 days,

respectively. The photometry was performed using the
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Figure 1. (a) Location of SN 2018cni in its host galaxy. This image is acquired in V band with 1-m LCO telescope on July
17, 2018. (b) SN 2020kyg and its host galaxy NGC 5012. This image is taken in V band with 1-m LCO telescope on June 27,
2020.

Table 2. Optical photometric data of SN 2020kyg

Date JD† Phase‡ B V g r i

(Days) (mag) (mag) (mag) (mag) (mag)

2020-05-27 996.88 -2.05 18.54± 0.22 18.28± 0.14 18.38± 0.04 18.34± 0.03 18.55± 0.03

2020-05-29 998.94 0.00 18.36± 0.06 18.28± 0.05 18.37± 0.01 18.35± 0.02 18.48± 0.03

2020-05-31 1000.92 1.98 18.56± 0.06 18.36± 0.06 18.48± 0.02 18.31± 0.03 18.38± 0.04

2020-06-01 1002.34 3.40 18.83± 0.10 18.42± 0.09 18.74± 0.06 18.36± 0.05 18.42± 0.07

2020-06-05 1006.28 7.34 19.91± 0.22 18.63± 0.08 19.20± 0.06 18.47± 0.04 18.48± 0.04

2020-06-09 1010.21 11.27 20.69± 0.11 19.17± 0.06 20.07± 0.05 18.76± 0.02 18.65± 0.03

2020-06-15 1016.28 17.34 21.02± 0.10 19.63± 0.06 – ± – 19.19± 0.02 19.05± 0.04

2020-06-15 1016.28 17.34 21.14± 0.12 19.54± 0.06 – ± – 19.24± 0.02 19.12± 0.04

2020-06-15 1016.80 17.86 – ± – 19.59± 0.06 – ± – – ± – – ± –

2020-06-16 1016.91 17.97 – ± – 19.56± 0.10 20.28± 0.03 19.13± 0.01 18.93± 0.01

2020-06-19 1019.83 20.89 20.76± 0.22 20.04± 0.15 – ± – – ± – – ± –

2020-06-22 1023.21 24.27 21.39± 0.14 20.09± 0.07 – ± – 19.67± 0.03 19.37± 0.04

2020-06-22 1023.22 24.28 – ± – 20.03± 0.07 – ± – 19.57± 0.03 19.43± 0.05

2020-06-27 1027.85 28.91 21.59± 0.37 20.38± 0.09 21.24± 0.11 19.91± 0.06 19.61± 0.05

2020-06-27 1027.85 28.91 21.64± 0.32 20.11± 0.09 21.81± 0.20 19.84± 0.04 19.81± 0.07

2020-07-01 1032.21 33.27 – ± – 20.43± 0.17 21.26± 0.20 20.09± 0.11 19.74± 0.10

2020-07-01 1032.21 33.27 – ± – 20.62± 0.22 21.75± 0.43 19.94± 0.07 – ± –

2020-07-06 1037.22 38.28 – ± – 20.67± 0.17 21.62± 0.31 20.40± 0.12 20.00± 0.13

2020-07-06 1037.22 38.28 – ± – 20.89± 0.24 – ± – 20.03± 0.07 – ± –

2020-07-12 1043.21 44.27 – ± – 21.66± 0.36 – ± – 20.25± 0.33 – ± –

2020-07-15 1045.87 46.93 – ± – 21.65± 0.23 – ± – 21.59± 0.24 20.11± 0.13

2020-07-22 1053.20 54.26 – ± – 21.32± 0.24 – ± – 20.96± 0.14 20.54± 0.11
† JD 2,458,000+ , ‡ Phase has been calculated with respect to Bmax = 2458998.94
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lcogtsnpipe pipeline (Valenti et al. 2016). The BV

magnitudes are calibrated to the Vega system while the

gri magnitudes are calibrated to the AB system. SN

2018cni exploded in the proximity of the host galaxy,

hence template subtraction was performed in order to

eliminate the host galaxy contamination. The template

was observed in BV gri bands using the 1-m LCO tele-

scope on August 6, 2019, which is more than a year

after the discovery. The image subtraction was per-

formed within the lcogtsnpipe using PyZOGY (Guevel

& Hosseinzadeh 2017). The optical photometry of SNe

2018cni and 2020kyg are presented in Tables 1 and 2,

respectively.

Spectroscopic observations of SNe 2018cni and

2020kyg were initiated ∼ 5 days and ∼ 1 day after the

discovery, respectively. Four spectra of SN 2018cni and

three spectra of SN 2020kyg were taken with FLOYDS

spectrograph on the 2-m Faulkes Telescope North (FTN,

Brown et al. 2013). One spectrum of SN 2018cni was ac-

quired with the Blue Channel (BC) spectrograph on 6.5-

m MMT, and two spectra of SN 2018cni were obtained

with Robert Stobie Spectrograph (RSS) mounted on 9.2-

m Southern African Large Telescope (SALT). Two spec-

tra of SN 2018cni were obtained using the dual-beam

Kast spectrograph (Miller & Stone 1993) on the Lick

Shane 3-m telescope. The 300/7500 grating on the red

side and the 452/3306 grism on the blue side were used,

providing continuous coverage between 3500–10400 Å.

The slit was aligned along the parallactic angle (Filip-

penko 1982). Two spectra of SN 2020kyg were taken

with Gemini Multi-Object Spectrograph (GMOS-N) us-

ing B600 and R400 gratings on Gemini North. Spectral

reduction of all spectra taken with the FLOYDS spec-

trograph was done using the floydsspec2 pipeline. The

spectrum of SN 2018cni observed with MMT was re-

duced using standard tasks described in Andrews et al.

(2019). The two spectra from the Kast spectrograph

were reduced in a standard manner using tools in cus-

tom spectroscopy pipeline3 (Siebert et al. 2019). The

two spectra of SN 2018cni obtained from RSS were re-

duced using a custom pipeline which contains PYSALT

package and standard PYRAF spectral reduction tasks

(Crawford et al. 2010). The Gemini spectra of SN

2020kyg were reduced using the standard Gemini IRAF

package. The log of spectroscopic observations of both

the SNe are provided in Tables 3 and 4, respectively.

3. DISTANCE AND EXTINCTION

2 https://www.authorea.com/users/598/articles/6566
3 https://github.com/msiebert1/UCSC spectral pipeline

The host galaxy of SN 2018cni GALEXASC

J150122.78-101044.8, is located at a redshift of 0.032

(Zhang et al. 2018a). The extinction due to the Milky

Way in the direction of SN 2018cni is E(B − V ) = 0.09

mag (Schlafly & Finkbeiner 2011) which yields AV =

0.278 mag using Cardelli extinction law (Cardelli et al.

1989). The spectra of SN 2018cni do not exhibit sig-

nificant Na ID absorption at the redshift of the host

galaxy, implying negligible host extinction. SN 2020kyg

is located on the outskirts of the host galaxy NGC

5012, hence noticeable extinction from the host is not

expected. The extinction due to the Milky Way is

E(B − V ) = 0.012 mag (Schlafly & Finkbeiner 2011)

which results in AV = 0.038 mag assuming Rv = 3.1.

We used the redshift dependent luminosity distance for

GALEXASC J150122.78-101044.8 and NGC 5012 as

130.56±12.15 Mpc and 35.83±2.66 Mpc, respectively

(assuming H0 = 73 km s−1 Mpc−1, Ωm = 0.27, Ωv =

0.73).

4. LIGHT CURVE PROPERTIES

4.1. Light curve and color curve

Figures 2 and 3 present the light curve evolution of

SNe 2018cni and 2020kyg, respectively. Observations

began before both the SNe attained peak brightness.

The time and magnitude at maximum along with decline

rates for both the SNe are estimated using a low order

spline fit to the light curves. The values are listed in

Table 5. Light curve decline rates, ∆m15(B), measured

for SNe 2018cni and 2020kyg in B-band are 1.99±0.14

mag and 2.54±0.13 mag, respectively. The I-band light

curves of SNe 2018cni and 2020kyg do not show a sec-

ondary maximum, usually seen in type Ia SNe. Figure 4

presents the light curve comparison of SNe 2018cni and

2020kyg in BV RI bands with a few well-studied type

Iax SNe 2002cx (Li et al. 2003), 2005hk (Sahu et al.

2008), 2008ha (Foley et al. 2009), 2010ae (Stritzinger

et al. 2014), 2012Z (Yamanaka et al. 2015) and 2019muj

(Barna et al. 2021), covering the luminosity range for

this class. The r and i-band magnitudes of SNe 2010ae,

2018cni, and 2020kyg are converted to R and I-band

using transformation equations given by Jordi et al.

(2006). The magnitudes of each SN in the respective

bands are normalized by their peak magnitudes. In

B and V bands, SN 2018cni declines faster than SNe

2002cx, 2005hk, and 2012Z, while SN 2020kyg is the

fastest declining SN amongst all the SNe used for com-

parison as shown in Figure 4. InR and I-bands, the light

curve evolution of SN 2018cni is similar to SNe 2005hk

and 2012Z while SN 2020kyg resembles SN 2008ha.

Figure 5 presents the reddening corrected color evolu-

tion of SNe 2018cni and 2020kyg and their comparison

https://github.com/msiebert1/UCSC_spectral_pipeline
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Table 3. Log of spectroscopic observations for SN 2018cni

Date JD† Phase‡ Spectral Range Resolution Telescope/Instrument

(Days) (Å)

2018-06-18 287.79 -2.2 3300-11000 400-700 FTN/FLOYDS

2018-06-19 288.76 -1.2 3500-10400 400 SHANE/Kast

2018-06-29 298.81 8.8 3300-11000 400-700 FTN/FLOYDS

2018-07-05 304.14 14.2 3900-6800 3900 MMT/BCH

2018-07-11 311.35 21.4 3500-9300 1000 SALT/RSS

2018-07-20 319.72 29.7 5620-10400 400 SHANE/Kast

2018-07-24 323.99 34.0 3200-11000 400-700 FTN/FLOYDS

2018-07-26 325.98 35.9 3200-11000 400-700 FTN/FLOYDS

2018-08-14 345.26 55.3 3500-9300 1000 SALT/RSS
†2,458,000+ ‡ Phase has been calculated with respect to Bmax = 2458289.99

Table 4. Log of spectroscopic observations for SN 2020kyg

Date JD† Phase‡ Spectral Range Resolution Telescope/Instrument

(Days) (Å)

2020-05-25 994.93 -4.0 3300-11000 400-700 FTN/FLOYDS

2020-05-26 995.80 -3.1 3200-10000 400-700 FTN/FLOYDS

2020-06-04 1004.85 5.9 3200-10000 400-700 FTN/FLOYDS

2020-06-14 1014.81 15.8 4000-9000 1688,1900 Gemini/GMOS-N

2020-07-03 1033.83 34.9 4000-9000 1688,1900 Gemini/GMOS-N
† 2,458,000+ ‡ Phase is from Bmax= 2458998.94

Table 5. Parameters of SNe 2018cni and 2020kyg

SN 2018cni B band V band g band r band i band

JD of maximum light (2458000+) 289.99±0.5 289.99±0.5 289.99±0.5 290.00±0.5 290.01±0.5

Magnitude at maximum (mag) 18.36±0.07 18.03±0.04 18.13±0.02 17.98±0.03 18.09±0.08

Absolute magnitude at maximum (mag) −17.59±0.21 −17.81±0.21 −17.78±0.20 −17.82±0.20 −17.65±0.22

∆m15( mag) 1.99±0.14 0.79±0.07 1.61±0.09 0.48±0.06 0.18±0.08

SN 2020kyg

JD of maximum light (2458000+) 998.94±2.0 996.88±0.5 998.95±2 1000.9±0.5 1000.9±0.5

Magnitude at maximum (mag) 18.36±0.06 18.28±0.14 18.37±0.02 18.31±0.03 18.38±0.04

Absolute magnitude at maximum (mag) −14.45±0.17 −14.52±0.21 −14.44±0.16 −14.49±0.16 −14.41±0.17

∆m15( mag) 2.54±0.13 0.98±0.19 1.77±0.08 0.84±0.06 0.61±0.06

with other well studied type Iax SNe. The (B-V ), (V -

I), (V -R), and (R-I) color evolution of SNe 2018cni and

2020kyg are found to be similar to the SNe used for com-

parison. This indicates that bright and faint members

behave in a similar fashion in terms of color evolution.

4.2. Bolometric light curve and analytical modelling

The pseudo-bolometric light curves of SNe 2018cni

and 2020kyg are constructed with SuperBol code

(Nicholl 2018) in BV ri bands using the luminosity dis-

tance discussed in Section 3. The pseudo-bolometric

light curves of SNe 2002cx, 2005hk, 2008ha, and 2010ae

are constructed in a similar manner and are presented in

Figure 6. We find that the bolometric luminosity of SN

2018cni is similar to bright type Iax SN 2005hk whereas

SN 2020kyg lies between SNe 2008ha and 2010ae and

belongs to the fainter class of type Iax SNe. We have

also used SuperBol code to calculate the BgV ri lumi-

nosities of SNe 2018cni and 2020kyg which are shown in

Figure 7.

Explosion parameters of both the SNe are estimated

using Arnett’s model (Arnett 1982) along with the for-
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Figure 2. This figure shows the light curve evolution of
SN 2018cni in BgV ri bands. In the right Y-axis, absolute
magnitudes in the corresponding BgV ri bands are presented.
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Figure 3. Light curve evolution of SN 2020kyg in BgV ri
bands. Absolute magnitudes in BgV ri bands for SN 2020kyg
are shown on the right Y-axis.
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Figure 6. This figure presents the pseudo-bolometric light
curves of SNe 2018cni and 2020kyg. The pseudo-bolometric
light curves of SNe 2002cx, 2005hk, 2008ha, and 2010ae are
included for comparison. The figure shows that SN 2018cni
belongs to the bright type of Iax SNe whereas SN 2020kyg
conforms to the fainter class of type Iax SNe.

mulation given in Valenti et al. (2008). Homologous ex-

pansion, spherically symmetric ejecta, no mixing of 56Ni

and optically thick ejecta are basic assumptions used in

the model. Mass of 56Ni and the timescale of the light

curve (τ) are free parameters for the fitting. Optical

opacity is fixed to 0.07 cm2g−1 and photospheric veloc-

ities used are 7000 km s−1 and 4500 km s−1 (Section

5.1) for SNe 2018cni and 2020kyg, respectively.

Analytical modelling of the pseudo bolometric light

curve of SN 2018cni gives mass of 56Ni ∼ 0.07±0.01M�
and the ejecta mass of 0.48 M�. For SN 2020kyg, these

estimates are mass of 56Ni ∼ 0.002±0.001 M� and ejecta

mass of 0.14 M�. For SN 2020kyg, our estimated values

are lower than that presented in Srivastav et al. (2022),

where ugrizyJHK fluxes were used for estimating the

explosion parameters. The evolution of the blackbody

temperature and radius for SNe 2018cni and 2020kyg

are shown in Figure 8. Despite the large difference in

luminosity for the two SNe, their blackbody tempera-

ture evolution is similar whereas the blackbody radius

is larger for the bright SN 2018cni. This suggests that

diversity in luminosity is directly related to the radius

of the photosphere which in turn is related to expansion

velocity.

Because of the intrinsic heterogeneity of SNe Iax, the

contribution of UV and NIR flux to the bolometric flux is
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Figure 7. Pseudo-bolometric light curves of SNe 2018cni
and 2020kyg obtained through SuperBol along with their
respective Arnett-Valenti model (dashed line) fits.
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Figure 8. Figure depicts the evolution of blackbody tem-
perature and radius obtained through SuperBol. The evo-
lution of the blackbody temperature is same for both SNe,
whereas the blackbody radius is higher for SN 2018cni than
SN 2020kyg.

not well constrained. However, depending on the avail-

ability of the data in UV and NIR bands, the fractional

contribution of UV and NIR flux to the bolometric flux

has been reported for a number of SNe Iax. For SN

2005hk, Phillips et al. (2007) estimated 20% contribu-
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tion of UV flux to the UVOIR light curve at the early

time of evolution. Yamanaka et al. (2015) showed that

the NIR band contributes ∼ 20% to Opt+NIR around

maximum for SN 2012Z. A total UV+IR contribution

of ∼ 35% has been reported for SN 2014ck (Tomasella

et al. 2016). Srivastav et al. (2020) and Dutta et al.

(2022) quoted the ratio of peak quasi bolometric lumi-

nosity to peak black-body bolometric luminosity as 0.69

(SN 2019gsc) and 0.62 (SN 2020sck), respectively. For

SN 2020kyg, Srivastav et al. (2022) estimated a 60% con-

tribution from the optical luminosity to the total bolo-

metric luminosity around the maximum. If ∼ 35% flux

is added to the pseudo-bolometric flux of SNe 2018cni

and 2020kyg, the mass of 56Ni increases to 0.09 M�
and 0.003 M�, respectively. In this study, we have used

pseudo-bolometric fluxes and reported the lower limit

for the explosion parameters.

We compare the BgV ri bolometric light curves of SNe

2018cni and 2020kyg with model light curves of defla-

gration of CO white dwarf (Fink et al. 2014) and hybrid

CONe white dwarf (Kromer et al. 2015), respectively

in Figure 9. These model light curves are taken from

the HESMA database. In the model light curves of CO

white dwarfs, N1-def, N3-def, N5-def, and N10-def corre-

spond to 1, 3, 5, and 10 ignition spots, respectively. The

increasing number of ignition spots indicates a stronger

explosion. We find that SN 2018cni is similar to the N3-

def model and the low-luminosity SN 2020kyg is better

explained by the deflagration of the CONe white dwarf.

Since the models used for comparison include flux from

UV to NIR and we have only BgV ri fluxes, we intend

to only investigate the probable explosion scenario by

finding the best match between the theoretical models

and the observed luminosity of both the SNe.

5. PRIME SPECTRAL FEATURES

5.1. Spectral features and comparison with other SNe

Figures 10 and 11 show the spectral sequence of SNe

2018cni and 2020kyg from −2 day to +55 day and −4.0

day to +35 day with respect to the maximum in B–

band, respectively. The first spectrum of SN 2018cni at

−2 day shows a blue continuum with Ca II H&K, Fe III,

and Si III lines, while beyond 5200 Å, the spectrum is

featureless. In the post-maximum phase, the continuum

in the blue region weakens. The post-maximum spectra

of SN 2018cni exhibit Fe II features near 5000 Å, Co II

feature near 6500 Å and Ca II NIR feature. Spectra of

SN 2018cni are compared with spectra of SNe 2002cx (Li

et al. 2003) and 2005hk (Sahu et al. 2008), at comparable

epochs in Figure 5.1. In the pre-maximum phase (top

panel), the strength of Fe III λ4420 line appears to be

similar in all the three SNe while Si III λ4553, 4568 lines
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Figure 9. Comparison of the bolometric light curves of
different proposed models with the pseudo bolometric light
curves of SNe 2018cni and 2020kyg.

in SN 2018cni appear stronger than the other two SNe.

During the post-maximum epoch (middle and bottom

panel), spectra of SN 2018cni are dominated by Iron

Group Elements (IGE) and display a good one-to-one

correspondence in the spectral features with SNe 2002cx

and 2005hk.

In the spectral evolution of SN 2020kyg, narrow P-

Cygni profiles of Intermediate Mass Elements (IMEs)

and IGEs are present. In Figure 5.1, we compare the

spectra of SN 2020kyg with other faint type Iax SNe

2008ha (Foley et al. 2009), 2010ae (Stritzinger et al.

2014) and 2019gsc (Srivastav et al. 2020). In the pre-

maximum phase, strong features due to C II and Si II

can be seen in all the spectra. Presence of C II is indica-

tive of unburnt Carbon in the progenitor system. In the

early post-maximum phase, C II and Si II lines become

weak, and Fe II around 5000 Å can be seen with almost

equal strength in spectra of SN 2020kyg and other SNe

used for comparison. In the post maximum phase, Ca II

NIR feature starts developing in all the SNe. Overall

similarity can be seen in the spectral signatures of SN

2020kyg with other SNe used for comparison. Spectra

of SN 2020kyg at +16 day and +35 day are very similar,

mainly dominated by permitted and forbidden lines due

to Fe II, Co II, and Ca II. The presence of forbidden lines

in the +16 day spectrum indicates a considerably fast

evolution of SN 2020kyg and its early transition into the

nebular phase.
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Figure 11. Spectral sequence of SN 2020kyg at −4.0, −3.1,
5.9, 15.8, and 34.9 day since maximum.

We measure the expansion velocity of SN 2020kyg by

fitting a Gaussian function to the absorption minima of

Si II profile. The estimated velocities at three epochs

(−4.0, −3.1, and +5.9 days) are 4330, 4290, and 3580

km s−1, respectively. The measurement errors associ-

ated with the estimation of expansion velocities are ∼
600 km s−1. Our estimations are consistent with the

values given in Srivastav et al. (2022). As the identifi-

cation of Si II line in SN 2018cni is questionable, we did

not attempt to measure its expansion velocity.

5.2. Spectral modelling

We perform spectral modelling for SN 2018cni at three

epochs and SN 2020kyg at four epochs (Figures 13 and

14) using the one-dimensional radiative transfer code

TARDIS (Kerzendorf & Sim 2014; Kerzendorf et al.

2018). TARDIS assumes a blackbody emitting photo-

sphere with a custom designed, spherically symmetric

ejecta. The one dimensional density and abundance

structure were subject of fitting, following the abun-

dance tomography method described in Barna et al.

(2018): as the homologously expanding SN ejecta be-

comes optically thinner, the velocity of the photosphere

decreases and observations can probe deeper into the

ejecta.

The assumed density function is designed to resem-

ble those of the various pure deflagration models (Fink

et al. 2014), similar to previous attempts of fitting SN

Iax spectra (Barna et al. 2021). This density function

includes a simple exponential inner and a more strongly

decreasing outer part:

ρ(v, texp) =


ρ0 ·

(
texp

t0

)−3
· exp

(
− v

v0

)
for v ≤ vcut

ρ0 ·
(

texp

t0

)−3
· exp

(
− v

v0

)
· 8
− 8(v−vcut)

2

v2
cut for v > vcut

(1)

where the innermost density ρ0 (at reference time t0 =

100 s), the slope of the function v0 and the start of the

shallow cut-off past the velocity vcut are free parameters

in the fitting process.

Abundances are constrained by fitting the promi-

nent P-Cygni features at all spectral epochs of the

actual SN, simultaneously. The model ejecta is split

into 1000 km s−1 zones, where the mass fractions of the

prominent chemical elements are fitting parameters.

Due to the high number of mass fraction parame-

ters, the whole parameter space cannot be fully explored

manually. Thus, a different combination of physical and

chemical properties, which would provide a similarly

good match with the observed spectra, cannot be fully

ruled out. However, considering that the main spectral

features and the flux continuum of each epoch are well
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Figure 12. (a) This figure represents the comparison between spectra of SNe 2018cni, 2002cx, and 2005hk. (b) This figure
shows the comparison between the spectra of SNe 2020kyg, 2008ha, 2010ae, and 2019gsc. The comparison features in both the
figures are marked with shaded bars.

Figure 13. This figure presents the spectral fitting of SN
2018cni using TARDIS. The grey and the blue lines show the
SN spectra and the corresponding models, respectively.

reproduced, we conclude that our results provide at least

feasible solutions.

Other input parameters are the luminosity and the

time since the explosion. The latter parameter controls

the dilution of the density structure, and thus, affects

the estimated temperature profile of the model ejecta.

In the absence of good photometric coverage during the

early phase, the explosion date is constrained from the

spectral synthesis, as texp has a critical impact on the

pre-maximum epochs. The best-fit date is considered as

the date of the explosion. In the case of SN 2020kyg,

the inferred date of explosion is in agreement with that

of Srivastav et al. (2022) (JD = 2458988.3) within the

estimated ±1.0 days uncertainty. The explosion epoch

for SN 2018cni estimated in a similar manner is JD =

2458275.3. Luminosities are measured from the bolo-

metric light curve, allowing variation within the uncer-

tainty range of the bolometric estimations.

The main parameters of the best-fit model structures

for SNe 2018cni and 2020kyg can be found in Table 6.

The two objects fit in the general trend of other SNe

Iax studied by abundance tomography, which displays

increasing ejecta mass and rise time with luminosity.

The constrained density functions (Figures 15 and 16)

exhibit a relatively good agreement with the predictions

of the pure deflagration models with corresponding lu-

minosities.

Srivastav et al. (2022) fitted a different subset of the

spectral time series of SN 2020kyg, following the same

principles of the abundance tomography technique and
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Figure 14. Fitting of the spectra of SN 2020kyg using
TARDIS is shown in this figure. Here, grey lines display
the spectra of the SN and red lines present the respective
models.

Table 6. Parameters of the best-fit models of SNe 2018cni
and 2020kyg from our spectral synthesis method. ∆t and
vmax represent texp and vphot at maximum light.

SN 2018cni SN 2020kyg

∆t [days] 16 10.8

vmax [km s−1] 7500 3100

Core density [g cm−3] 1.40 0.15

Density slope [km s−1] 2700 2800

Cut-off velocity [km s−1] 7000 -

† Assuming epoch of maximum light Bmax= 2458289.99 and
2458998.94 JD for SNe 2018cni and 2020kyg, respectively

Figure 15. Top panel: The best-fit function for SN 2018cni
(red) compared to the N1def and N3def pure deflagration
density structure at texp = t0 = 100 s. The grey lines indi-
cate the boundaries of the fitting layers for the correspond-
ing chemical abundance models. Bottom panel: The best-fit
chemical abundance structure from the TARDIS fitting pro-
cess for the spectral sequence of SN 2018cni. The profile of
the radioactive 56Ni shows the mass fractions at texp = 100
s.

the same radiative transfer code. The density functions

show nearly the same profile with a slope of v0 = 2800

km s−1 (3000 km s−1 in Srivastav et al. 2022) which is

the key parameter in reproducing the observed P-Cygni

features. The model of Srivastav et al. (2022) has also

a slightly lower core density of ρ0 = 0.03 g cm−3. As

a significant difference, our model fitting constrained

lower vphot velocities over the epochs (assuming a lin-

ear decrease with time): for the only epoch included in

both samples (texp = 6.5 days), we derived vphot = 3500

km s−1 instead of 4200 km s−1 which results in a hotter

photosphere. The source of discrepancy is in the dif-

ferent characterization of the temperature profile, which

also greatly affects the inferred chemical abundances. In

the nearly uniform chemical structure of Srivastav et al.

(2022), carbon is the dominant element (X(C) = 0.60)

with significant contributions of O and minor abun-
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Figure 16. Same as in Figure 15 but for SN 2020kyg.

dances of Si, Fe and 56Ni. Note that such an extreme

abundance of C is in conflict with the plausible explosion

scenarios.

In this study, we aimed to constrain the abundance

structure by adopting the general characteristics of the

pure deflagration models (Fink et al. 2014; Lach et al.

2022) as a starting point of our fitting process. The final
results are plotted in Figures 15 and 16. The outer layers

of the models are dominated by C and O, suggesting that

not the entire ejecta was reached by the fusion flame. At

lower velocities, O is still the most abundant element

in the entire regime of our models, while carbon are

excluded from the inner regions (the lower limit is 10000

km s−1 for SN 2018cni and 4000 km s−1 for SN 2020kyg),

otherwise, the C II lines would be extreme around the

maximum light. These results strongly contradict the

predictions of the pure deflagration scenario, but one

should treat them with caution: O is also used as a

puffer element to fill the not-constrained mass fractions,

thus, X(O) is highly uncertain.

In general, the chemical distribution of the inner struc-

ture (i.e. below the carbon-populated layers) resembles

the predictions of the pure deflagration models (Fink

et al. 2014), as the elements forming the dominant spec-

tral features (O, Si, S, Fe, Ni) show nearly constant

abundances. The total IGE mass fraction is lower than

expected (X(IGE) ∼ 0.55 for N1def and N3def mod-

els), which is the consequence of the weakly constrained

X(56Ni). Despite the significantly lower densities of the

outer regions adopted in our approach, Si, S, Fe and

Ni are either absent or present only with a significantly

lower mass fraction. Magee et al. (2022) argued for

strong mixing and uniform abundances, but their work

was limited to the analysis of a few lines instead of fitting

the whole optical wavelength range and studying a strat-

ification model fixed to the radial coordinates. However,

this study, just like previous fitting approaches, does not

contradict the results of Magee et al. (2022), that the

inner regions may inhibit a nearly uniform abundance

structure.

Moreover, the complete lack or very low abundances

of IMEs and IGEs in the outer regions are relatively

well constrained in our models by the blue wings of ab-

sorption features, and further supported by the low den-

sity values at these higher velocities. This result indeed

indicates some level of stratification, however, not nec-

essarily a continuously changing multi-layer structure.

Instead, a C/O dominated top layer with a deflagration-

like well-mixed ejecta is also supported by the spectral

synthesis.

6. DISCUSSION AND SUMMARY

This paper presents a combined analysis of a bright

type Iax SN 2018cni and a faint type Iax SN 2020kyg.

We attempted to comprehend the nature of the members

of type Iax class which are located at the two extremes

in the luminosity space of this class. We see that in

terms of photometric properties, spectral features, and

ejecta configuration these two SNe behave differently.

This also reflects that there might be a difference in the

progenitor channels for both events. In the following, we

summarize our findings for both events and try to make

a collective picture of these two events as members of

the same class with a gap in luminosity distribution.

SN 2018cni is a bright member of type Iax class with

peak absolute magnitude MV = −17.81±0.21 mag. The

estimated bolometric luminosity shows that SN 2018cni

share similarity with SN 2005hk and is brighter than

SN 2002cx. The mass of 56Ni estimated from the ana-

lytical modeling of the BgV ri bolometric light curve is

∼ 0.07±0.01 M�. The spectral features of SN 2018cni

match well with SNe 2002cx and 2005hk.

With peak absolute magnitude, Mg = −14.44 ± 0.16

mag, SN 2020kyg lies at the fainter end of type Iax lu-

minosity distribution. It is brighter than SNe 2008ha

(Stritzinger et al. 2014), 2019gsc (Srivastav et al. 2020)
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and 2021fcg (Karambelkar et al. 2021) and fainter than

SN 2010ae (Stritzinger et al. 2014). Analysis of the bolo-

metric light curve (BgV ri, obtained through Superbol)

of SN 2020kyg indicates that ∼ 0.002±0.001 M� of 56Ni

was produced in the explosion.

Magee et al. (2016) suggested a correlation between

absolute magnitude, decline rate parameter, and rise

time of type Iax SNe in the R/r-band. Since then the

sample has grown significantly, especially in the fainter

end. An attempt is made to check for any possible cor-

relation in the extended sample. Table 7 includes all

the type Iax SNe we have used in our study and their

references. In Figure 17, we have plotted the absolute

magnitude and decline rate parameter in the r/R-band

for the extended sample. We have also included N1-def,

N3-def, and N5-def models (Fink et al. 2014) for com-

parison. We recover the weak correlation between the

absolute magnitude and light curve decline rate param-

eter as reported in Magee et al. (2016) and shown in

Figure 17. However, dividing the current sample based

on the brightness of the objects reveals an interesting

trend: bright and faint objects behave differently. For

bright type Iax cluster (Mr ≤ −17.1 mag), there is a

negative correlation with a correlation coefficient of 0.49

(p=0.044), viz. the objects with faster decline rate are

found to be fainter. On the other hand, for the faint

cluster (Mr ≥ −14.64 mag), a trend of positive corre-

lation emerges (Pearson correlation coefficient of −0.85,

p = 0.070), viz. objects with faster decline rate appear

brighter. The sample of type Iax studied so far is lim-

ited and a study with a bigger sample covering both

the bright and faint end of luminosity distribution will

be required to confirm this trend. In Figure 18, we have

presented a plot between the rise time and absolute mag-

nitude for a sample of well studied type Iax SNe. The

rise times of SNe 2018cni and 2020kyg plotted in this

figure are estimated from the spectral fitting (Section

5.2). From the plot, it is clear that the two quantities

are correlated (Pearson correlation coefficient = −0.53,

p = 0.02), the brighter objects tend to have longer rise

time. Type Iax SNe with fair pre-maximum coverage

are included in this analysis while some unfiltered mea-

surements are not considered.

The spectral features of SNe 2018cni and 2020kyg ap-

pear similar, except for the Si II feature which is promi-

nent in SN 2020kyg. Modeling of the spectral sequence

using TARDIS indicates that some level of stratification

at the outer layers and mixed ejecta in the inner layers

are required.

Comparison of the bolometric light curves obtained

through Superbol shows a resemblance of SN 2018cni

with N3-def model (Fink et al. 2014) whereas luminos-

Table 7. References for Figures 17 and 18

SN References

2002cx, 2003gq, 2004cs Foley et al. (2013)

2005cc, 2008ae, 2009J, 2011ay Foley et al. (2013)

2005hk Stritzinger et al. (2015)

2007qd McClelland et al. (2010)

2008A Hicken et al. (2012),

Foley et al. (2013)

2008ha Foley et al. (2009),

Foley et al. (2013)

2009ku Narayan et al. (2011),

Foley et al. (2013)

2010ae Stritzinger et al. (2014)

2012Z Stritzinger et al. (2015)

2014ck Tomasella et al. (2016)

PS15csd Magee et al. (2016)

PTF09ego, PTF09eoi, PTF11hyh White et al. (2015)

2015H Magee et al. (2016)

2019gsc Srivastav et al. (2020),

Tomasella et al. (2020)

2019muj Barna et al. (2021)

2020sck Dutta et al. (2022)

2020rea Singh et al. (2022)

2021fcg Karambelkar et al. (2021)

2018cni, 2020kyg this work

Figure 17. Absolute magnitude versus light curve decline
rate in r/R- band for well studied type Iax SNe.

ity of SN 2020kyg falls in the range of pure deflagra-

tion of CONe white dwarf. For brighter members of

type Iax class, several explosion scenarios have been pro-

posed such as pulsational delayed detonation (Ivanova

et al. 1974; Khokhlov 1991a,b; Khokhlov et al. 1993;

Hoeflich et al. 1995; Hoeflich & Khokhlov 1996; Bravo

& Garćıa-Senz 2006; Baron et al. 2012; Dessart et al.
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2014), deflagration to detonation transition (Khokhlov

1991a,c; Khokhlov et al. 1993; Hoeflich et al. 1995; Hoe-

flich & Khokhlov 1996; Höflich et al. 2002; Seitenzahl

et al. 2013; Sim et al. 2013), pure deflagration of white

dwarf (Fink et al. 2014; Kromer et al. 2015), core col-

lapse origin (Foley et al. 2009, 2016; Valenti et al. 2009;

Moriya et al. 2010) etc. Most of the observed proper-

ties of relatively bright type Iax SNe match well with

the predictions of pure deflagration of white dwarf leav-

ing behind a bound remnant. Observational properties

of faint type Iax can be explained by weak deflagra-

tion of CONe white dwarf (Kromer et al. 2015), but the

spectro-photometric evolution of these models is faster

as compared to the observed ones. Another possible ex-

planation is a double degenerate channel which involves

the merger of CO and ONe white dwarfs. This merger

results in a failed detonation and is associated with a fast

declining transient (Kashyap et al. 2018) fainter than

faint type Iax SNe.

In any case, incomplete burning of the white dwarf

explains most of the properties of type Iax SNe, but

the possibility for another progenitor scenario for faint

members of this class cannot be ruled out completely.

The different nature of the correlation between peak lu-

minosity and light curve decline rate for bright and faint

members indicates heterogeneity within SNe Iax. Fur-

ther study and in-depth analysis of this class will be

required to understand their observed properties, pro-

genitor system, and explosion mechanism.
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et al. 2013, MNRAS, 429, 1156,

doi: 10.1093/mnras/sts402

Siebert, M. R., Foley, R. J., Jones, D. O., et al. 2019,

MNRAS, 486, 5785, doi: 10.1093/mnras/stz1209
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ABSTRACT
Recent studies of nearby globular clusters have discovered excess dark mass in their cores, apparently in an extended distribution,
and simulations indicate that this mass is composed mostly of white dwarfs (respectively stellar-mass black holes) in clusters
that are core-collapsed (respectively with a flatter core). We perform mass-anisotropy modelling of the closest globular cluster,
M4, with intermediate slope for the inner stellar density. We use proper-motion data from Gaia EDR3 and from observations
by the Hubble Space Telescope. We extract the mass profile employing Bayesian Jeans modelling, and check our fits with
realistic mock data. Our analyses return isotropic motions in the cluster core and tangential motions (β ≈ −0.4±0.1) in
the outskirts. We also robustly measure a dark central mass of roughly 800 ± 300M�, but it is not possible to distinguish
between a point-like source, such as an intermediate-mass black hole (IMBH), or a dark population of stellar remnants of extent
≈ 0.016 pc ' 3300AU. However, when removing a high-velocity star from the cluster centre, the same mass excess is found,
but more extended (∼ 0.034 pc ≈ 7000AU). We use Monte Carlo N -body models of M4 to interpret the second outcome, and
find that our excess mass is not sufficiently extended to be confidently associated with a dark population of remnants. Finally,
we discuss the feasibility of these two scenarios (i.e., IMBH vs. remnants), and propose new observations that could help to
better grasp the complex dynamics in M4’s core.

Key words: black hole physics - astrometry - proper motions – stars: black holes – stars: kinematics and dynamics – globular
clusters: individual: M4 (NGC 6121)

1 INTRODUCTION

Few stellar systems in the Universe are as active and dynamically
complex as globular star clusters (GCs). Indeed, the interplay be-
tween stellar evolution and dynamical interactions allows GCs to
serve as laboratories for a vast number of interesting astrophysi-
cal phenomena, such as formation of black-hole mergers with com-
ponents in the proposed pair-instability mass gap (e.g., Rodriguez
et al. 2019; Di Carlo et al. 2020; Kremer et al. 2020c; Gerosa &
Fishbach 2021), gravitational waves (Abbott et al. 2016, 2021; Ro-
driguez et al. 2021), formation of compact black hole–luminous star
binaries (e.g., Strader et al. 2012; Giesers et al. 2019; Kremer et al.
2018), stellar-mass tidal disruption events (e.g., Perets et al. 2016;
Kremer et al. 2019), Type Ia supernovae (e.g., Webbink 1984), for-
mation of young neutron stars (e.g., Nomoto & Iben 1985) and fast
radio bursts (Bhardwaj et al. 2021; Kirsten et al. 2022; Kremer et al.
2021b; Lu et al. 2022). Finally, one of the potential outcomes of
these dense environments is intermediate-mass black holes (IMBHs,
Madau & Rees 2001; Miller & Hamilton 2002a; Portegies Zwart

? E-mail: evitral@stsci.edu
† E-mail: libra@stsci.edu

& McMillan 2002; Portegies Zwart et al. 2004; Giersz et al. 2015;
González et al. 2021, with masses ∼ 102 − 105 M�), thought to
be the missing link of black hole evolution, with barely a few ob-
served cases (e.g., Chilingarian et al. 2018; Lin et al. 2020; Abbott
et al. 2020). Hence, this class is much in contrast with the many
stellar-mass black holes (. 102 M�) and supermassive black holes
(& 105 M�), which have already been confirmed for a considerable
amount of time (e.g., Webster & Murdin 1972; Bolton 1972; Hoyle
& Fowler 1963; Schmidt 1963; Event Horizon Telescope Collabora-
tion et al. 2019).

For this reason, many studies have targeted GCs to search for
IMBH candidates (e.g., Gebhardt, Rich & Ho 2002; Baumgardt et al.
2003; Noyola, Gebhardt & Bergmann 2008; van der Marel & An-
derson 2010; Baumgardt 2017; Kamann et al. 2016; Tremou et al.
2018; Häberle et al. 2021), searching for electromagnetic signatures
associated with accretion of material onto the IMBH and/or dynam-
ical signatures (i.e., the dynamical effect of the IMBH on cluster
stars). However, both of these detection methods face challenges.
Accretion-signature searches are limited, since all IMBHs may not
necessarily be actively accreting, hence not emitting light at observ-
able frequencies. Additionally, some proposed IMBH accretion can-

© 2015 The Authors
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didates may be more naturally explained as neutron stars accreting at
super-Eddington rates (e.g., Bachetti et al. 2014; Rodríguez Castillo
et al. 2020). In the case of dynamical-signature searches, until re-
cently the necessary completeness of the astrometric-quality data
to detect IMBHs through the cluster stellar kinematics was not at-
tained. Furthermore, proposed IMBH dynamical signatures may in-
stead be explained by the presence of a sub-clustered population of
faint stellar remnants in the centre of GCs (e.g., Zocchi et al. 2019;
Mann et al. 2019; Vitral & Mamon 2021; Vitral et al. 2022).

Indeed, given their higher masses, stellar remnants tend to natu-
rally concentrate in the inner regions of GCs through mass segre-
gation due to dynamical friction (Chandrasekhar 1943). First, the
most massive remnants (i.e., black holes) sink to the cluster’s centre
and form a compact population that can delay cluster core-collapse
(Hénon 1961; Lynden-Bell & Wood 1968), by means of black hole
binary burning (i.e., black hole-binary-mediated encounters that in-
put energy into the inner regions of the GC, as explained in Kremer
et al. 2020b). These black holes tend to be ejected however, mainly
by means of dynamical interactions with other black holes (e.g., Kre-
mer et al. 2020a) and natal kicks (e.g., Repetto et al. 2012; Mandel
2016), but some BHs also merge (e.g., Rodriguez et al. 2021). All of
these factors result, eventually, in a negligible black-hole population,
on & 10 Gyr timescales.

Once this happens, other luminous stellar components will sink
to the cluster cores, in addition to less massive compact objects such
as neutron stars and the more massive white dwarfs. When these
more luminous components collapse in the centre, forming the char-
acteristic core-collapse inner cusp, stellar and white dwarf binary-
burning effectively halts further shrinking of the core (Kremer et al.
2021a). These populations of white dwarfs and black holes in the
cores of core-collapsed and non core-collapsed GCs, respectively,
tend to form a sub-cluster of roughly 0.1 pc in size that can easily
mimic an IMBH dynamical signature, if there are not enough trac-
ers in the central region. Recently, in Vitral et al. (2022, hereafter
Paper I), we confirmed this by analysing two GCs: NGC 3201 (non
core-collapsed) and NGC 6397 (core-collapsed) and assigned an ex-
tended population of black holes in the former and white dwarfs in
the latter, both amounting up to roughly 1000 M�.

In Paper I, we used state-of-the-art proper motion data from
observations from the Hubble Space Telescope1 (HST, Libralato
et al. 2022) and from Gaia EDR3 (Gaia Collaboration et al. 2021),
which was fitted with the Bayesian Jeans mass-orbit modelling code
MAMPOSST-PM (see Mamon et al. 2013; Mamon & Vitral in
prep. and Read et al. 2021 for a comparison with other methods). We
then compared our fits to outcomes from mock datasets constructed
with AGAMA (Vasiliev 2019a) and interpreted them with the help of
Monte CarloN -body models from CMC (Kremer et al. 2020a). Such
high-precision data was complete enough to trace down very small
extensions such as∼ 0.1 pc and rule out the possibility of an IMBH
in those clusters.

Additionally, the discovery of a (. 100 − 500 M�) IMBH in
an old GC (such as most of those in the Milky Way), would pose
an interesting problem, since such a black hole should probably
have merged with other GC black holes during its lifetime, and
hence would have been ejected due to huge gravitational wave re-
coil kicks (e.g, Peres 1962; Lousto et al. 2010; Holley-Bockelmann
et al. 2008), usually far above the cluster’s escape velocity (e.g, Mer-
ritt et al. 2004; Campanelli et al. 2007). On the other hand, massive

1 The HST data archive is available at https://archive.stsci.
edu/hlsp/hacks.
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Figure 1. Surface brightness profiles: Comparison of the surface brightness
profiles as a function of projected radius R (normalised by the half-light
radius from Harris 2010) for NGC 3201 (non core-collapse, blue squares),
NGC 6397 (post core-collapse, green triangles) and M4 (non core-collapse,
orange circles), from Trager et al. (1995). The transparent symbols indicate
the observed surface brightness profiles, while the solid lines indicate the
respective Chebyshev fit.

IMBHs (& 1000 M�) would be involved in high mass-ratio mergers
and suffer less potent recoil kicks, under the escape velocity.2

In the current study, we set out to study the closest GC to our Sun,
Messier 4 (hereafter M4, also known as NGC 6121), with the same
data and methods recently validated in Paper I. M4’s proximity and
its many observations make it a very interesting source, worthy of
special attention. Although this study is among the many to analyse
the clustering of compact objects in M4 (e.g., Richer et al. 1995;
Bassa et al. 2004; Bedin et al. 2013; Hénault-Brunet et al. 2019), it
is to our knowledge the first to provide constraints on the mass and
extent of such a central sub-cluster, while simultaneously testing the
possibility of an IMBH, by means of Jeans mass-orbit modelling,
and state-of-the-art proper-motion data.

We divide our work in the following manner: Section 2 briefly ex-
plains the data and methods we used, nearly identical to those pre-
sented in Paper I; Section 3 presents our main results and evaluates
their robustness; Section 4 further considers the reliability of our
main results, interms of their feasibility and implications. Finally,
Section 5 summarises and concludes the analysis.

2 DATA & METHODS

2.1 M4 overview

The closeness of M4 makes its study not only particularly inter-
esting, but very straightforward (when compared to much farther
clusters). Indeed, its proximity allows a higher fraction of stars to
be measured with high-precision proper motions, with errors often
smaller than the GC velocity dispertion by an order of magnitude.
This in turn provides a sufficient number of inner stars (e.g., ∼ 1
arcsec from its centre) to probe a possible inner dark mass. Our main
dataset after the cleaning routine explained in Section 2.2 leaves us
with 6158 Gaia EDR3 stars, and 4365 HST stars, providing complete

2 These massive IMBHs would be pushed out of the GC centre, without
necessarily being ejected from the GC.
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coverage from the cluster’s interior3 out to its outermost radii.4 Fur-
thermore, the median and maximum HST proper motion baselines
are of 10.6 and 12.6 years for this cluster, yielding even better data
than for NGC 3201 and NGC 6397, which we analysed previously.

The Jeans modelling performed by MAMPOSST-PM, as in
many other routines (see Read et al. 2021 for a comparison of dif-
ferent mass-modelling algorithms), does not take into account the
rotation of the system. In the case the system does have significant
rotation, the tangential anisotropy might be overestimated, as well
as the cluster’s internal velocity dispersion, which could translate to
poor mass fits. Fortunately, the M4 internal rotation profile is rela-
tively low, with several analyses assigning negligible plane-of-sky
rotation (i.e., values . 5% of the velocity dispersion Bianchini et al.
2018; Vasiliev 2019b; Sollima et al. 2019). There is more rotation in
the line-of-sight data (∼ 10% of the velocity dispersion, according
to Malavolta et al. 2015), but this still remains low when compared
to the recently analysed NGC 3201 in Paper I and 47 Tuc in Mann
et al. (2019), where the maximum ratio of rotation velocity by veloc-
ity dispersion in the plane-of-sky reaches 0.10 and 0.51 respectively,
according to Table 1 from Bianchini et al. (2018). In fact, the veloc-
ity dispersion and amplitude of the rotation profile of M4 resembles
that of NGC 6397, where it has been previously argued that the rota-
tion was not enough to significantly affect mass measurements (e.g.,
Kamann et al. 2016). Another caveat is that MAMPOSST-PM con-
siders the system spherical, which once again suits the case of M4
very well, since its ratio of semi-minor (b) by semi-major (a) axis of
the projected ellipse are of the order of 0.95 (White & Shawl 1987
and Chen & Chen 2010 estimate b/a = 1.00±0.01 and 0.93±0.02,
respectively).

The inner stellar density profile of M4 (i.e.,∼ 0.1 pc) is important
for understanding the contents of its core. Since it does not present
the characteristic core-collapsed inner cusp at very inner radii (such
as for NGC 6397, for R/rh < 0.1 in Figure 1), M4 has so far
been considered as a non core-collapse cluster by most studies tar-
geting this structural shape in GCs (e.g., Djorgovski & King 1986;
Trager et al. 1995; McLaughlin & van der Marel 2005). However,
M4 remains a very dense cluster (see Figure 1 for a comparison) that
might be close to reaching core-collapse. Indeed, Heggie & Giersz
(2008) used Monte Carlo simulations to propose that M4 had already
reached a post core-collapse phase, and its core was being sustained
by binary burning, although the clear lack of the inner cusp men-
tioned above still renders this result debatable (Section 4.1 also ar-
gues against core-collapse in this cluster). If M4 is close to reaching
core-collapse, then one could expect that it would have a small, yet
not negligible black hole population (see introduction of Paper I as
well as Morscher et al. 2015; Wang et al. 2016; Askar et al. 2017;
Kremer et al. 2020a; Rodriguez et al. 2022).5 This BH population
would behave as a very dense sub-clustered dark mass in the clus-
ter’s core. At the same time, other structural parameters of M4 are,
in general, very similar to its core-collapsed counterpart NGC 6397,
being a relatively small cluster (3D half-mass radius 3.95 pc and a

3 The HST data we use extends from 0.′′9 up to 149.′′2.
4 The maximum allowed projected radius is set at 2Re (see Figure A1),
as in Paper I, where Re is the effective radius containing half the projected
number of stars, estimated in Vitral (2021).
5 If M4 did not form black holes, then the cluster evolution could be differ-
ent than discussed. However, the zero black holes possibility would require a
highly non-standard initial mass function (e.g., Weatherford et al. 2021). Al-
though this possibility cannot be completely ruled out, consideration of this
is beyond the scope of this paper.
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Figure 2. Colour-magnitude diagram: The small gray-green points are the
HST data, cleaned according to Sect. 2.2, while the filled circles are the pre-
dictions from the PARSEC code, colour-coded by stellar mass.

mass of 9.04×104 M�, according to the website of H. Baumgardt6)
and very dense.

2.2 Data cleaning

The HST and Gaia EDR3 data cleaning in this paper follows the
procedures explained in detail in Paper I (Section 3), with previous
checks performed also in Libralato et al. (2019). The cleaning con-
sisted mostly in defining well-measured thresholds for photometric
and astrometric flags, along with a proper motion error threshold be-
ing smaller than the local 7 velocity dispersion and further filtering
field stars in proper motion and colour magnitude spaces. Given this,
we focus here on sharing the values of specific physical quantities
used for M4 and on describing the information about this cluster that
will be useful in our analysis. In particular, concerning the equiva-
lent of Table 1 of Paper I, we list below the respective information
used for M4:

• Distance to the Sun: 1.85 kpc (Baumgardt & Vasiliev 2021),
yielding 1′′ = 9.0 mpc;
• Reimers scaling factor (i.e., Red Giant Branch mass-loss effi-

ciency): 0.402 (McDonald & Zijlstra 2015);
• Age: 12.74 Gyr (Marín-Franch et al. 2009);
• Total extinction, considering Rv = 3.1: 1.3262 (Schlafly &

Finkbeiner 2011)8;
• Metallicity, in log solar units: –0.83 (Marín-Franch et al. 2009);
• Cluster centre, in degrees: (245.◦89669, −26.◦52584) (Vitral

2021, calculated with BALROGO9).

6 https://people.smp.uq.edu.au/HolgerBaumgardt/
globular/, © H. Baumgardt, A. Sollima, M. Hilker, A. Bellini &
E. Vasiliev (Baumgardt 2017; Baumgardt et al. 2019, 2020; Baumgardt &
Vasiliev 2021; Sollima & Baumgardt 2017; Vasiliev & Baumgardt 2021).
7 We used a network of the hundred closest stars in projected radius and
mass (see Paper I).
8 Notice that M4 has a non-standard extinction coefficient of RV = 3.76
(Hendricks et al. 2012). Nonetheless, this should not affect our results
since this information is required only when converting magnitudes to mass
through PARSEC isochrones, in order to obtain a close net of stars for the
proper motion error cleaning (see Paper I, section 3.3). Because we tested
different error thresholds in Section 3.3 (see lines 13–16 from Table A1), we
show that our analyses are not significantly affected by this point.
9 BALROGO estimates the cluster centre by considering the centre of mass
of stellar counts, fitted in a Bayesian framework with a Plummer (Plummer
1911) density profile.
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With part of the information above, we constructed the PARSEC

isochrone 10 (e.g., Bressan et al. 2012; Chen et al. 2014, 2015;
Marigo et al. 2017; Pastorelli et al. 2019) displayed in Figure 2. This
indicates that the visible Main Sequence stars have masses below
0.80 M�.

The only cleaning procedure that was performed differently from
Paper I concerned the colour-magnitude diagram (CMD) interloper
filtering, for the specific case where the maximum proper motion er-
ror threshold was set to be half of the local velocity dispersion. In
this case, we noticed that setting a 2-σ confidence contour for the
Kernel Density Estimation (KDE) as in the Paper I was too conser-
vative: it removed stars that clearly belonged to the cluster’s CMD.
This happens because as the dataset gets smaller (as a direct result
from the more conservative error threshold), the original KDE con-
tour tends to prune the faintest parts of the main-sequence more
severely than necessary. In order to keep such stars while still fil-
tering the dataset against interlopers, non-resolved binaries and blue
stragglers, it sufficed to slightly increase the 2-σ contour up to a
2.5-σ limit. As the original subset (with the standard error thresh-
old used in Paper I) was not severely pruned by the KDE contour
on the fainter magnitude end, this problem was not observed and we
decided to keep the analysis as in Paper I, for consistency.

2.3 Mass modelling

The mass modelling tools used throughout the paper follow Sec-
tion 4 from Paper I. We briefly reiterate the most salient points be-
low, and direct the reader to the Paper I for further details.

2.3.1 Jeans modelling

We employ the Bayesian mass-orbit modelling code MAMPOSST-
PM (Mamon et al. 2013; Read et al. 2021, Mamon & Vitral in prep.)
to estimate masses, the velocity anisotropy and parameters from
the cluster density profile. The velocity anisotropy (‘anisotropy’ for
short) is defined as in Binney (1980):

β(r) = 1− σ2
θ(r) + σ2

φ(r)

2σ2
r(r)

, (1)

where θ and φ are the tangential components of the coordinate sys-
tem, while σ2

i stands for the velocity dispersion of the component i
of the coordinate system. In spherical symmetry, σφ = σθ . To ad-
just the data, MAMPOSST-PM assumes that the local velocity el-
lipsoid is an anisotropic Gaussian, whose major axis is aligned with
the spherical coordinates.

Then, MAMPOSST-PM fits parametric models for the radial
profiles of total mass and the velocity anisotropy of the visible stars
to the distribution of these stars in projected phase space. It does so
by solving the spherical, stationary, Jeans equation with no stream-
ing motions (Binney 1980)

d
(
ρσ2

r

)
dr

+ 2
β(r)

r
ρ(r)σ2

r(r) = −ρ(r)
GM(r)

r2
, (2)

for the radial velocity dispersion profile, σr(r), assuming a given
mass profile M(r) and anisotropy profile β(r), for a previously de-
termined mass density profile ρ(r) for the kinematic tracers (here

10 http://stev.oapd.inaf.it/cgi-bin/cmd

stars). The term ρ σ2
r is the dynamical pressure that counteracts grav-

ity.11 The anisotropic runs of MAMPOSST-PM used the gener-
alisation (hereafter gOM) of the Osipkov-Merritt model (Osipkov
1979; Merritt 1985) for the velocity anisotropy profile:

βgOM(r) = β0 + (β∞ − β0)
r2

r2 + r2β
, (3)

where rβ is the anisotropy radius, which can be fixed as the scale
radius of the luminous tracer by MAMPOSST-PM.12

The number density profile, ν(r) (assumed proportional to the
stellar mass density profile ρ(r)), is determined from the surface
density profile, assuming spherical symmetry. We fit the distribution
of projected distances R to the photometric data (since the proper
motion data is incomplete in the inner regions) using the Sérsic pro-
file (Sérsic 1963; Sersic 1968) as in Vitral & Mamon (2021) and
Paper I, which simultaneously fits the cluster’s extent and density
inner slope, allowing for a higher degree of freedom. The deprojec-
tion of this profile into 3D coordinates uses the same method as de-
scribed in appendix A from Vitral & Mamon (2021, which employs
the analytical forms from Lima Neto, Gerbal & Márquez 1999, Si-
monneau & Prada 2004, and Vitral & Mamon 2020). We iterate once
using MAMPOSST-PM with priors from our first step (see Paper I),
where we test if different mass models will not yield very distinct
priors. If it is the case, we thus select the most liberal priors among
all.

Given that the proper motion data is not complete in projected
distance, the likelihood is written in terms of probabilities of plane-
of-sky velocities at given projected distance:

L =
∏
i

p(vi |Ri) . (4)

Thus, the conditional probability of measuring a velocity vi is the
mean of the local velocity distribution function, h(v |R, r), inte-
grated along the line of sight:

p(v |R) =
2

Σ(R)

∫ ∞
R

h(v |R, r) ν(r)
r√

r2 −R2
dr . (5)

MAMPOSST-PM assumes that the local velocity distribution func-
tions are Gaussians in spherical coordinates. MAMPOSST-PM de-
termines the marginal distributions of the free parameters and their
covariances by running the Markov Chain Monte Carlo (MCMC)
routine (COSMOMC,13 Lewis & Bridle 2002). We ran 6 MCMC
chains in parallel, which move around the multi-dimensional param-
eter space following the Metropolis-Hastings algorithm, which pro-
duces distributions of parameter values proportional to their poste-
riors. Thus the MCMC chain elements (past an initial burn-in phase
that remembers the initial choice of parameters) produce a statistical

11 In fact, the Jeans equation (2) is a consequence of the Collisionless Boltz-
mann Equation, which considers the incompressibility in phase space of the
six-dimensional (6D) distribution function (DF). Expressing the distribution
function in terms of a 6D number, mass or luminosity density, implies that
the term ρ in the Jeans equation is the number, mass or luminosity density.
For the present case of a globular cluster made of stars, it makes more phys-
ical sense to work with mass density. In the absence of mass segregation,
the mass density is proportional to the number density, so the mass density
profile is obtained from deprojecting the observed surface number density
profile.
12 Mamon et al. (2019) and Vitral & Mamon (2021) found no significant
change in models of galaxy clusters and globular clusters, respectively, when
using this model for β(r) compared to one with a softer transition: β(r) =

β0 + (β∞ − β0) r/(r + rβ), first used by Tiret et al. (2007).
13 https://cosmologist.info/cosmomc/.
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description of the posteriors of each parameter and their correlations.
We generally use flat priors on log mass, log scale radii, and on the
symmetrised anisotropy parameter βsym = β/(1−β/2), and Gaus-
sian priors on the pre-determined surface density profile parameters
(Sérsic index and log effective radius) and on the bulk motions.

2.3.2 Astrometric handling

We use the astrometric routines from BALROGO14 (Vitral 2021)
in order to derive fits and constraints on the cluster surface density,
centre and bulk proper motion, and to assign membership probabil-
ities between stars from the cluster and from the field. In particular,
BALROGO assigns a fat-tailed, asymmetric Pearson VII (Pearson
1916) distribution to the proper motion distribution of Milky Way
contaminants,15 and a Gaussian to the cluster members, which al-
lows us to compute membership probabilities to each star.

2.3.3 Statistical tools

The statistical methods used to select between different mass mod-
els also follow the description of Paper I, including the construc-
tion of GC mocks with the AGAMA software (Vasiliev 2019a) in the
same fashion as previously (see their Section 4.2). The comparison
of the MAMPOSST-PM fits of mock and true datasets uses (again
as in Paper I) the fraction of MCMC chain elements whose abso-
lute difference is greater than that for the best likelihood solutions of
mock and observed fits (higher fractions indicate better agreement
between mock and observed preferred solutions). Similarly, we also
use Kolmogorov-Smirnov (Kolmogorov 1933; Smirnov 1939, here-
after KS) as well as Anderson-Darling (Anderson & Darling 1952,
hereafter AD) statistics to quantify the disagreement between mock
and observed marginal distributions of mass and scale radius of a
dark central component (smaller KS and AD statistics indicate bet-
ter agreement between the different marginal distributions).

Finally, we use Bayesian evidence methods that penalise the like-
lihood for extra free parameters. In particular, we adopted the cor-
rected Akaike Information Criterion (derived by Sugiura 1978 and
independently by Hurvich & Tsai 1989 who demonstrated its utility
for a wide range of models)

AICc = AIC + 2
Nfree (1 +Nfree)

Ndata −Nfree − 1
, (6)

where AIC is the original Akaike Information Criterion (Akaike
1973)

AIC = −2 lnLMLE + 2Nfree , (7)

and where LMLE is the maximum likelihood estimate found when
exploring the parameter space, Nfree is the number of free parame-
ters, and Ndata the number of data points. The likelihood (given the
data) of one model relative to a reference one is

exp

(
−AIC−AICref

2

)
(8)

(Akaike 1983; Burnham & Anderson 2002) and we assume strong
evidence for one reference model over another whenever 95 per
cent confidence is attained (i.e., AICc > AICcref + 6). We con-
sider AICc differences smaller than 4.5 (i.e., less than 90 per cent

14 https://gitlab.com/eduardo-vitral/balrogo
15 This Pearson VII distribution was originally proposed by Vitral & Ma-
mon (2021), while BALROGO generalised it to being asymmetric.

confidence) are usually not enough to consistently distinguish two
models, based on purely statistical arguments (thus, no astrophysics
involved). Specific details are provided in Section 4.3 of Paper I.

2.4 Monte Carlo models

To assist our interpretation of the results from the Jeans modelling
analyses, we followed Paper I, using Monte Carlo evolutionary N -
body models constructed with the cluster dynamics code CMC (Kre-
mer et al. 2020a; Rodriguez et al. 2022). CMC is a Hénon-type Monte
Carlo code that includes various physical processes relevant to the
dynamical evolution of GCs, including two-body relaxation, tidal
mass loss, and direct integration of small-N resonant encounters. By
employing the COSMIC single/binary star evolution code (Breivik
et al. 2020), CMC tracks various evolution features (including stel-
lar type, mass, radius, luminosity, etc.) for all N stars as the model
cluster evolves dynamically. This makes it straightforward to com-
pute standard observed cluster features from the CMC snapshots, in
particular surface brightness and velocity dispersion profiles, binary
fractions, and colour-magnitude diagrams. See Rui et al. (2021) for a
more detailed explanation of how the models are matched to existing
clusters.

As M4 has not yet been analysed in previous CMC-related anal-
yses, we computed new models, which were later matched to the
M4 surface brightness and velocity dispersion profiles from Trager
et al. (1995)16 and Baumgardt & Hilker (2018), respectively. In par-
ticular, our preferred model started with a virial radius17 of 1 pc,
initial metalliticy Z = 0.002, initial binary fraction of 5% and ini-
tial Galactocentric position of 8 kpc, which are values similar to the
ones known for M4 (e.g., Baumgardt & Hilker 2018; Marín-Franch
et al. 2009; Milone et al. 2012; Gaia Collaboration et al. 2018). In-
deed, more evolved clusters, with smaller initial virial radii, tend to
reach the core-collapse phase sooner by ejecting most of its original
black hole population (e.g., Kremer et al. 2020a), while clusters with
significantly greater initial virial radius show a much larger core than
the one observed in M4’s density profile (and also retain many black
holes).

3 RESULTS & ROBUSTNESS

3.1 Velocity anisotropy

The mass-modelling routine in MAMPOSST-PM allows the user to
fit the velocity anisotropy profile (Eq. [1] with the gOM parameter-
isation of Eq. [3]) of the studied tracers as a function of the dis-
tance from the cluster’s centre, r. This is because the anisotropy
appears during the solving of the Jeans equation,18 as depicted in
Section 2.3.1. Differently from our previous analysis of NGC 3201
and NGC 6397, where isotropy was preferred19 through the whole
extent of our data, the case of M4 shows a robust signal of tangen-
tial anisotropy at intermediate and large radii: β = −0.4 ± 0.1,

16 Figure A3 depicts this match.
17 The ‘virial radius’ of a GC is defined here as in Binney & Tremaine
(2008); Portegies Zwart, McMillan & Gieles (2010) and Kremer et al.
(2020b), i.e. rv = GM2/(2 |U |), where U is the total cluster potential
energy, M its mass and G is the gravitational constant.
18 The use of two-dimensional proper motions, such as in our dataset, allows
us to break the known mass-anisotropy degeneracy (e.g. Binney & Mamon
1982).
19 Moderate radial anisotropy was measured at outermost radii, but with no
statistical significance.
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Figure 3. Velocity anisotropy: MAMPOSST-PM fits of the velocity
anisotropy, using the Osipkov-Merritt parameterization (Osipkov 1979; Mer-
ritt 1985), generalised to free inner and outer anisotropies (gOM), as a func-
tion of the physical distance to the cluster centre. The colour bar indicates
the percentile of the MCMC chain post burn-in phase. The black curve rep-
resents the maximum likelihood solution of our fit. The range of physical
radii is set to the range of projected radii in the data we analysed.

which amounts to σθ/σr = 1.18± 0.04. Yet, the very inner regions
remain strongly isotropic (see Figure 3). This result qualitatively
agrees with the projected anisotropy profile measured by Vasiliev
& Baumgardt (2021). Their milder velocity anisotropy is the con-
sequence of their measuring the projected anisotropy compared to
the three-dimensional anisotropy determined by MAMPOSST-PM.
Indeed, the random mixing of different line-of-sight layers renders
the projected velocity anisotropy more isotropic, or in this particular
case, less tangential.

The statistical significance of this result is also remarkable, with
the models allowing for a free anisotropy fit displaying AICc values
much smaller than the fits with fixed isotropy (i.e., ∆AICc ∼ 30).
In summary, the probability of full isotropy over outer tangential
anisotropy (with inner isotropy) is less than 10−6. Hence, in all of
our further MAMPOSST-PM fits, we do not force an isotropic pro-
file, thus better modelling the tangential anisotropy and its possible
impacts on our mass estimates.

3.2 Dark central mass

As in Vitral & Mamon (2021) and Paper I, we test four differ-
ent mass configurations with MAMPOSST-PM: 1) no central dark
component (Nothing); 2) a central, single black hole (BH); 3) an
inner cluster of unseen objects (CUO), and 4) central black hole
plus a CUO (BH+CUO). Our standard anisotropic runs, displayed
in lines 5–8 of Table A1 point very clearly to the presence of a
central mass of roughly 800 M�. The differences in AICc indicate
that the model with no central dark component has a probability of
less than 0.005% percent when compared to the model with both
CUO and BH, of 0.002% when compared to the CUO model, and
only of 0.0008% when compared to the model with a single central
black hole, of mass 792+253

−217 M� (best AICc value). The distinc-
tion of AICc values among the models with a central dark mass is
however, too small to yield significant statistics. We therefore fol-
low Paper I and use mock datasets constructed with AGAMA to
probe the similarities of outputs from different mass models fitted
by MAMPOSST-PM.

Figure 4 compares the marginal distributions of CUO mass and
scale radius and their covariance for the MAMPOSST-PM fit to
mock data (light red) to the MAMPOSST-PM fit to the observed
data (light blue), both assuming the CUO mass model. As argued in
Paper I, whether or not the CUO model is the correct mass model,

Table 1. Main statistical tests used for model selection

Test ID Mock φ φ AD AD KS KS
model Mdark rdark Mdark rdark Mdark rdark

(1) (2) (3) (4) (5) (6) (7) (8)

β(r) Nothing 3% 58% 57592 3633 0.373 0.085
β(r) IMBH 41% 15% 270 91 0.018 0.018
β(r) CUO 47% 89% 1070 108 0.042 0.016
β(r) IMBH+CUO 59% 28% 11871 148 0.122 0.015

v? Nothing 26% 45% 21765 4412 0.190 0.111
v? IMBH 98% 84% 8809 1166 0.109 0.056
v? CUO 77% 93% 810 1542 0.061 0.034
v? IMBH+CUO 93% 67% 846 20757 0.043 0.221

Notes: The statistical tests compare MAMPOSST-PM outputs (with CUO
prior) on mocks and on data. Columns are (1) test ID (according to column 3
from Table A1); (2) mass model assigned to the mock data; (3) fraction of
MCMC chain elements that present absolute differences in dark mass greater
than that between the mock and true data fit’s most likely solutions – higher
values indicate good agreement between the mock and true data fits; (4) same
as (3), but considering the dark radius; (5) AD statistic, for Mdark – high
values indicate poor matches; (6) AD statistic, for rdark; (7) KS statistic, for
Mdark – high values indicate poor matches; (8) KS statistic, for rdark.

one expects that the marginal distributions of the CUO scale radii
should have similar shapes when comparing those obtained on a
mock that represents the observed data and those directly obtained
from the same data. The figure also compares the values of the max-
imum likelihood estimates (arrows) of the CUO log mass and scale
radius for both mock and observed data. .

First, it is evident that a mock simulation with no dark central
mass (‘Nothing’) has a completely different mass marginal distri-
bution than the one observed in the true data, once again attesting
to the robustness of a central mass excess in M4. However, when
trying to select the best mass excess model from the agreement of
log rCUO marginal distributions, the choice is less evident. Similarly
to NGC 3201 in Paper I, the overall marginal distribution shapes
are very similar among models BH, CUO and BH+CUO, while the
agreement in maximum likelihood clearly prefers the scale radius of
CUO models (see column [4] from Table 1). This points to a mild
preference for a CUO of mass of 939+166

−331 M�.
It is important to mention, though, that such a CUO would have a

Plummer projected half-mass radius of 0.016+0.005
−0.015 pc, hence con-

siderably smaller than the values of 0.153 pc and 0.041 pc measured
for NGC 3201 and NGC 6397 in Paper I, respectively. This points to
a rather concentrated population of remnants, which may be difficult
to explain in astrophysical terms.

3.2.1 Proper motion dispersion profile

We also constructed proper motion dispersion profiles to probe the
goodness of fit of different dark central mass models. The observed
profile was constructed from the data used in our fits, which was
composed by HST stars up to 149.′′2, and Gaia stars beyond this
limit. To compute the observed dispersion and its 1-σ uncertainties,
as well as for other velocity dispersion computations throughout this
work, we followed the recipe from van der Marel & Anderson (2010,
appendix A). Briefly, the method consists in a maximum likelihood
approach that assumes the proper motion spread in each bin to be
Gaussian. Next, to correct for the known bias of this method (see
van de Ven et al. 2006, appendix A), we employ a Monte Carlo ap-
proach where we generate 104 Gaussian pseudo datasets from the
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Figure 4. Mock data comparison: Marginal distributions of the cluster of unresolved objects (CUO) mass and 2D Plummer half mass radius and their covariances
for the true data (HST and Gaia EDR3) in blue and the mock data (constructed with AGAMA) in red. The priors are flat for logMCUO within the plotted range
and zero outside, while they are Gaussian for the log scale radii, centred on the middles of the panels and extending to±3σ at the edges of the panels, and zero
beyond. The arrows indicate the respective best likelihood solutions of the MCMC chains. The mock data prescription is, from left to right: No central dark
component (Nothing); a central black hole alone (BH); a central CUO (CUO) and both a central black hole and CUO (BH+CUO). The mocks were constructed
with the best values of each respective mass model (lines 5–8) from Table A1. The fits alone indicate a preference for a central dark mass in M4.
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Figure 5. Goodness of fit: Display of the proper motion velocity dispersion as a function of the projected radius for models 5 (no dark component, left), 6 (IMBH,
middle) and 7 (central unresolved objects, right). The coloured regions represent the percentiles from the MCMC chains of our fit, while the continuous black
solid line shows the maximum likelihood solution from MAMPOSST-PM. The black dashed line depicts the region separating the HST and Gaia stars used in
our modelling. The black circles and vertical error bars feature the measured proper motion dispersion and respective 1-σ uncertainty, calculated with the recipe
from van der Marel & Anderson (2010, appendix A), in ten logarithmically-spaced radial bins. The horizontal error bars considered the 1-σ radial quantization
noise. The plot highlights the need for a very concentrated central dark mass in M4.

estimated parameters and the observational uncertainties. We then
analyse those data in the same fashion as the real one. The statistics
of the Monte Carlo results provide both an estimate of the bias in σµ
(which we use to correct our maximum likelihood estimate) and of
its uncertainties.

Figure 5 displays the computed proper motion dispersion
(black circles), according to the recipe explained above, in ten
logarithmically-spaced radial bins.20 The horizontal error bars con-
sidered the 1-σ radial quantization noise,

εRproj ≡

√√√√∫ Rmax

Rmin

f(R)

(
R− 1

N

N∑
i

Ri

)2

dR , (9)

whereRmin andRmax are the radial limits of the bin,Ri are the data

20 The edges of the bin are logarithmically spaced, while the black circle is
positioned at the mean of the data points.

points in the bin, and f(R) is the probability distribution function of
projected radii inside the bin, calculated with a KDE approach. In-
deed, the x-axis error bar should translate our uncertainty on where
to place the bin, which is better described by the scatter of radii
inside each bin (e.g., figures 2 and 7 from Durazo et al. 2017 and
Kacharov et al. 2022, respectively). We notice that, when not ac-
counting for the uncertainties, our modelling with MAMPOSST-
PM predicts higher proper motion dispersions in the outer regions
than observed. This excess may be caused by our neglect of mass
segregation,21 whereas in reality one expects that the average stellar
mass decreases with projected distance, and only a 10% decrease at
∼ 8 arcmin is sufficient to match model and observations.

In any case, it is the points in the centre that are used to discrimi-

21 See table 3 from Baumgardt et al. (2022) for details of mass segregation
in M4.
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Figure 6. Systematic errors from Gaia: Underestimation of our adopted Gaia
proper motion errors (the statistical errors from the catalogue) by includ-
ing the systematic errors highlighted by Vasiliev & Baumgardt (2021, see
text). The hole in the centre represents the regions where we used HST data.
The bulk of the stars, quantified by the 84th percentile, have underestimated
proper motion errors (i.e., εµ,ext/εµ − 1) < 9 per cent. The respective
median (50th percentile) is of 6%. Lines 21–24 from Table A1 display the
MAMPOSST-PM fits considering an error budget corrected for such sys-
tematics (assuming this same scaling factor for both εµα, εµδ , but with ρµαδ
unchanged).

nate between models with different mass excess, since the effect of
a central dark mass on the velocity dispersion profile is limited to a
small influence region (i.e., R � 100.′′0).22 In sum, Figure 5 sup-
ports our previous conclusions: The agreement for projected radii
smaller than 10.′′0 is clearly poor for the model with no central dark
mass, while equally satisfactory for the models with an IMBH or a
CUO. We provide as online material an analogue of Figure 5 with
better resolution, the observed proper motion dispersion we con-
structed, as well as the fitted profiles for different mass models.

3.3 Robustness

We now test the robustness of our results under different assump-
tions. As in Paper I, we varied the assumptions of cluster centre,
replacing our chosen centre with that from Goldsbury et al. 2010,
lying 0.′′38 away from the original position we used; bulk proper
motion, replacing ours with that of Vasiliev & Baumgardt 2021);
and decreasing the maximum allowed proper motions error thresh-
old to half our standard criterion. As seen in lines 9–20, of Table A1,
the best fitted values agree with our diagnostics above within the 1-
σ error bars, and the AICc diagnostics produce similar conclusions.
We also ran mock datasets with 10% underestimated proper motion
uncertainties up to two times the CUO scale radius (as in Paper I, to
probe for unknown systematics) and verified that our results pertain-
ing to the central dark mass did not change significantly.

Thus, the presence of a central mass seems robust, with still mild
indications of it being extended. We also verified that the error bud-
get of our data was higher than any imprint of mass segregation in
M4, using the same calculations as in Section 5.3.2 of Paper I. An
equivalent of figure 6 of Paper I is provided as Figure A2 in the
present article.

22 When using the relation from Peebles (1972), the radius of influence of a
putative IMBH such as the one we fit would be ∼ 14.′′0.

3.3.1 Gaia systematics

On top of the previous robustness tests, we added a new one concern-
ing the Gaia EDR3 systematics. Indeed, Gaia EDR3 data presents
an inconvenient issue related to spatially correlated systematic er-
rors (e.g., Lindegren et al. 2021), which are usually associated with
the telescope scan directions. The modelling and correction of these
systematics in our data is beyond the scope of this work, and we only
use the statistical errors provided in the catalogue. In fact, the impact
of these systematics on GCs is not yet very clear, with recent works
focusing more on describing them rather than presenting a method
to correct for them (e.g., Fardal et al. 2021).

The most robust correction for these systematics in GCs is per-
haps the one given by Vasiliev & Baumgardt (2021), εµ,ext, ob-
tained (their eq. 3) by summing in quadrature the statistical er-
rors – multiplied by a scaling factor dependent on surface density
(their table 1) – and their derived systematic errors (i.e., εµ,sys =
0.026 mas yr−1). As seen in Figure 6, the bulk of the Gaia stars,
quantified by the 84th percentile, have underestimated proper mo-
tion errors (i.e., εµ,ext/εµ − 1) by only < 9%. However, their indi-
vidual, separate effects on εµα, εµδ and ρµαδ , which we use in our
Jeans modelling, are not yet well quantified. Assuming the same fac-
tor for all these components could insert new systematics, which in
turn are beyond the scope of our modelling.

Nonetheless, for checking purposes, we constructed the data with
this same scaling factor for both εµα, εµδ , while keeping ρµαδ un-
changed, and ran our four main mass models with these corrected
errors. The results are displayed in lines 21–24 from Table A1, and
the reader can once again see that the results still point strongly to
a central dark mass with only mild evidence to be extended (qual-
itatively similar AICc diagnostics). Hence, it appears reasonable to
neglect these systematics in our modelling.

3.4 High velocity stars

Our previous MAMPOSST-PM fits and respective robustness tests
seem to indicate that although M4 has a central mass excess consis-
tent with a 939+166

−331 M� CUO, the extension of this mass, namely
0.016 pc, still seems too mild to be reliably associated with a col-
lection of dark remnants, leaving open the possibility of a point-like
IMBH. If, indeed, M4 has an IMBH at its centre, one can infer its
sphere of influence as the radius at which a star can still have its dy-
namics considerably impacted by such a black hole (Peebles 1972):

rBH ≡ GMBH

σ2
, (10)

where MBH is the black hole mass and σ the characteristic velocity
dispersion at this region. Substituting the values from our fit and
data,23 one has rBH = 14.′′ Hence, a reasonable check is to see if
our data has any high velocity star inside this radius. A high velocity
star is defined here as a star having a proper motion modulus beyond
a few times the local cluster’s velocity dispersion.

In the leftmost panel of Figure 7, we see the scattered distribu-
tion of HST stars in proper motion space, colour-coded according to
their distance to the cluster’s centre. Indeed, one can clearly observe
that at roughly (µα,∗−µα,∗0, µδ−µδ) ≈ (0.3,−2.2), there is a star

23 We use MBH = 792 M� and σ = 0.6 mas yr−1, picked for being the
97.7 percentile of the innermost proper motion dispersion computed for M4
in Vasiliev & Baumgardt 2021.
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Figure 7. High-µ star: Different diagnostics related to the high velocity star. The left and middle columns display the cluster in proper motion space, colour-
coded by projected distance to the centre and proper motion error (in units of the local proper motion dispersion), respectively. The proper motion error is
defined as in eq. B2 from Lindegren et al. 2018, while the local velocity dispersion is calculated following section 3.3 of Paper I. The asterisk denotes the
high-µ star. The right column shows proper motion dispersion maps, constructed according to appendix B of Vitral & Boldrini (2022, , the specific computation
of the velocity disperison per bin followed van der Marel & Anderson 2010), with (top) and without (bottom) the high-µ star. The solid and dashed circles
display the scale radius of the sub-cluster of unseen objects and the radius of the sphere of influence of the putative intermediate-mass black hole (Eq. [10]),
respectively. This figure highlights the method used to spot the high-µ star, its low error budget and its impact on the velocity dispersion profile.
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Figure 8. Mock data comparison without the high-µ star: Same as Figure 4, without the high-µ star (see Section 3.4) in blue and the mock data (constructed
with AGAMA) in red, but now using the values from lines 25–28, on Table A1.

located at roughly 1.′′07 from the GC centre. The proper motion off-
set of this star corresponds to 3.7 times the local velocity dispersion.
We highlight this star with the ? symbol in the plot, and label it here-
after as the high-µ star.24 One can also see in the middle panel that
the high-µ star presents a reasonably low proper motion error, below
half of the local velocity dispersion.

24 For context, this star has a F606W magnitude of 21.01± 0.05.

3.4.1 Assessing the influence of the high-µ star

After discovering this high velocity star, we tested how much our re-
sults depend on it. Since MAMPOSST-PM is a Bayesian code, each
star contributes separately to the model’s likelihood. Therefore, pa-
rameters related to the inner cluster such as central mass excess and
dark mass scale radius are sensitive to the innermost stars. Indeed,
as seen in the right panels of Figure 7, the velocity dispersion map
inside the sphere of influence of the eventual IMBH considerably de-
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creases after the removal of the high-µ star (see region right above
the× symbol), which can affect the fits of the parameters pertaining
to this central region. Thus, we decided to run MAMPOSST-PM
again, with the same subset as the standard one, but without this
high-µ star.

The results are listed in lines 25–28 of Table A1. One notices that
we lose just a negligible AICc evidence in favour of a central mass,
with now a 0.2% probability of no mass excess whatsoever in M4.
Although the IMBH model is preferred by AICc, the differences in
AICc for models with a mass excess are too low to distinguish the
IMBH and CUO scenarios.

We thus turn once again to comparing the CUO constraints that
MAMPOSST-PM obtains from the data with those it obtains on
mock data. Figure 8 displays this comparison, in a similar fash-
ion as Figure 4, with statistical tests provided in Table 1 (Test ID:
v?). We still obtain strong confidence for it when comparing the
CUO marginal distributions obtained on the observed data and on
the mock with no central mass excess (Nothing). Indeed, a lack of
excess mass would shift the respective marginal distribution towards
much lower values than observed in our real data.

For this subset without the high-µ star, one notices two fundamen-
tal differences in the comparison of the marginal CUO radius distri-
butions with the analogous comparison for the dataset including the
high-µ star (Fig. 4): 1) The MAMPOSST-PM fits of observed data
yield a higher scale radius for the dark mass 2) Even the mock with
an IMBH yields an extended population, likely due to completeness
issues (see section 4.2). Indeed, by removing a very inner star with
high proper motion, it is reasonable to assume that MAMPOSST-
PM will interpret the new data as having a more diffuse mass ex-
cess, rather than concentrating it towards the centre. On the other
hand, the outer velocity anisotropy remains significantly tangential.
In summary, the removal of the high-µ star does not affect our diag-
nosis of a central mass of roughly 800 M� (see rows 26 and 27 of
Table A1), but renders the choice of mass model even more compli-
cated, as MAMPOSST-PM runs on the mocks with IMBH or with
CUO yield similar marginal distributions to the fits on observed data
(as confirmed statistically in Table 1), on top of providing a more
realistic scale radius for the CUO component (now roughly double
in size).

4 DISCUSSION

4.1 Tangential outer anisotropy

Our measurement of inner isotropy and outer tangential anisotropy
in M4 has many interesting implications. Recently, Aros et al. (2020)
analysed different Monte Carlo mass models to probe the impact of
an IMBH or a CUO on the velocity anisotropy of GCs, but found
no scenario with outer tangential anisotropy. Indeed, many studies
found it difficult to reproduce tangential orbits such as in our Fig-
ure 3 (Oh & Lin 1992; Vesperini et al. 2014; Tiongco et al. 2016;
Zocchi et al. 2016).

However, Bianchini, Sills & Miholics (2017) measured outer tan-
gential orbits in simulations of clusters evolving in a tidal field (see
their Figure 3), and related them to GCs that have suffered stronger
tidal interactions. They argued that tidal interactions in the cluster
outskirts tend to prune stars on radial orbits more severely than the
ones on tangential orbits. This pruning shortens the relaxation time

of the cluster and increases the total mass loss.25 The stronger tidal
field in the cluster outskirts also impacts low mass stars, which tend
to lie in the outer regions of the cluster, resulting in a higher mean
stellar mass for the remaining system. The same tendency for outer
tangential orbits applies for clusters with stronger mass segregation,
hence where stellar encounters heated more low-mass stars, pushing
them on sufficiently elongated orbits to escape the cluster with the
help of tidal forces from the Milky Way.

Furthermore, Baumgardt & Makino (2003) used simulations to
show that the amount of tangential anisotropy remains more or less
constant until near core-collapse, at which point it starts to decrease.
This is because more stars are scattered out of the core on radial
orbits into the cluster outskirts after it reaches core-collapse, as a
result of higher inner densities hence more stellar encounters and
corresponding exchanges of energy.

All in all, the tangentially anisotropic outer profile of M4 seems
to indicate that it has suffered very strong tidal interactions. This is
consistent with its very low pericentre (0.4− 0.6 kpc, Gaia Collab-
oration et al. 2018; Sun et al. 2023), as compared with 2.5−2.9 kpc
and 8.4−8.5 kpc for NGC 6397 and NGC 3201 respectively, where
the orbits measured in Paper I were consistent with isotropy. As a
result, M4’s mean stellar mass should be higher than expected for an
isolated system. Furthermore, its total mass should have been con-
siderably higher in the past. The tangential outer anisotropy profile
also suggests that M4 has not yet reached core-collapse (as argued
in Section 2.1).

4.2 Diagnosis of the high-µ star

Although the central mass excess in M4 is robust to the removal
of the high-µ star, the extension of this mass becomes significantly
larger. Hence, we present below a statistical assessment on the prob-
ability of finding such a high proper-motion star, an analysis back-
ward in time of the star’s proper motion vector to probe its associa-
tion with a putative IMBH, and finally an analysis of the reliability
of the the high-µ star parameters inferred from HST.

4.2.1 Statistical diagnosis

One way to infer how likely is it to measure a high-µ star in M4 is
to compute the probability of finding such high velocity stars in a
mock dataset that mimics the data. To this end, we define a high-
µ star as a star inside the eventual IMBH influence region, having
a proper motion modulus µ higher than n times the local proper
motion dispersion (σ, taken as in Eq. [10]), where we set n as the
geometric mean of the highest and second highest ni in the data,26

which yields n = 3.64. This is motivated by the fact that in our
subset, the highest ni (i.e., that of the high-µ star) has an important
impact on the extent of the central mass, while the second highest
does not (see Figure 8). Next, we follow the recipe below:

(i) We construct a mock dataset with isotropic velocities, as we
did in Sect. 3.2, with an IMBH of 792 M�.

(ii) We consider only stars inside the influence region of this
black hole, taken to be 14.′′

(iii) We store the number of stars such that µ > nσ.
(iv) We repeat these procedures 1000 times.

25 Bianchini et al. (2017) suggests that tangential anisotropy is related to
relaxation times . 109 Gyr and mass losses & 60%.
26 The highest ni (that of the high-µ star) is 3.71, and the second highest is
3.57.
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Figure 9. Vector analysis: Sky projection of the proper motion vector of
the high-µ star with respect to its closest passage to the cluster’s centre. The
high-µ star is shown in black, while the centres from Vitral (2021) and Golds-
bury et al. (2010) are shown as blue and red crosses, respectively. The dashed
lines represent the 1-σ uncertainty on the proper motion vector, derived from
a Monte Carlo approach considering Gaussian uncertainties. This plot shows
that the high-µ star could in principle be coming from within 0.′′1 of the
cluster’s centre.

This computation delivers a 56% probability of having no high-µ
star in the subset, with the probabilities of having N high-µ stars
being 33%, 9% and 2% forN = 1, 2 and 3, respectively. Such num-
bers are reassuring since our case falls in a 33% probability scenario,
which is having a single high-µ star, thus not an unlikely one (i.e.,
as much as half as likely than the case with no high-µ star). Hence,
we conclude that if M4 has an IMBH with the same characteristics
from our fit, the existence of a single high-µ star in our final subset,
as is the case, is statistically appropriate.

4.2.2 Dynamical past

If the high-µ star is associated with a putative IMBH, its high veloc-
ity27 could be eventually explained by a dynamical kick after close
passage to the compact object (e.g., Hills 1988). To evaluate the like-
liness of this scenario, we followed the recipe from Libralato et al.
(2021, section 5.1.2) by verifying that the high-µ was a good can-
didate to be coming radially from M4’s centre. As in the previous
work, we considered it as a good candidate if:

(i) The angle θ between the proper motion direction and the di-
rection from the cluster’s centre to the star was of less than 10◦ (this
value is taken as the same from Libralato et al. 2021, for consis-
tency).

(ii) The closest distance to the cluster centre backward in time,
based on the relative proper motion vector (±1σ), is smaller than the
radius of the sphere of influence of the IMBH, 14.′′ (see Sect. 3.4).

(iii) The closest approach occurred within the age of the star and
the putative black hole. Since black hole formation through runaway

27 For context, the high-µ star has a velocity of 19.5 ± 1.4 km s−1, and
the escape velocity in the centre of M4 (using the values form our fits) is
21.8 km s−1.

mergers is thought to occur in the earliest phases of the cluster dy-
namical evolution (see figure 1 from González et al. 2021), and the
high-µ star is located on the main sequence, this age should be of
the order of ∼ 10 Gyr.

We employed a Monte Carlo approach to estimate the 1-σ uncer-
tainty on the proper motion direction, where we perturbed a thou-
sand times the proper motion by a Gaussian noise of dispersion
equivalent to the proper motion error, as in Libralato et al. (2021).
The result is displayed in Figure 9, with the colour blue denoting the
calculations with the standard centre from Vitral (2021), while the
calculations with the centre from Goldsbury et al. (2010) are shown
in red. In both cases, the proper motion is aligned with the direction
to the cluster centre by less than 6◦, and the closest passage of the
high-µ star is less than 478 or 612 years ago for the respective cen-
tres of Vitral (2021) or Goldsbury et al. (2010), thus well below our
thresholds. The distance from both centres at this stage is of only
0.′′1 (i.e., 0.0009 pc), much smaller than the threshold we set.

This test helps to confirm the high-µ star as a potential and in-
teresting target for future follow-up studies, but by no means proves
the existence of an IMBH. Indeed, the analysis is purely based on
proper motions, and the line-of-sight component from the velocity
vector of this star could be misaligned with the centre. Moreover,
the precise distance of the star to the centre is also unknown, and it
could be a projection effect from the cluster’s outskirts.

4.2.3 HST diagnosis

The high-µ star is located at (α, δ) = (245◦. 89676, −26◦. 52613).
The photometric catalogues derived in the various steps of the data
reduction were obtained with the KS2 software code (Bellini et al.
2017; Libralato et al. 2018, 2019, 2022). KS2 measures position and
flux of a star after all its neighbours are point-spread-function (PSF)
subtracted from the image. In addition, KS2 produces stacked im-
ages for each dataset used in the process. We visualised our target
object in all these images (Figure 10 displays the hi-mu star in var-
ious wavebands). Our high-µ star is very close (0.′′23) to a much
brighter object (by ≈ 3.4 magnitudes). Although KS2 subtracts all
nearby stars prior to estimate position and flux of an object, there
can still be some residual contamination that can result in an artifi-
cial positional offset. The centroid would be displaced in different
ways depending on the camera/filter, and so it could mimic an artifi-
cially higher proper motion when multi-epoch images are combined.

We decided to consider a few extra cleaning criteria to assess the
reliability of this star. Those criteria can be stricter than our standard
ones (and the ones used in Paper I) since they require the star to pass
multiple photometric quality selections on top of the proper motion
selections. They were also designed for the outskirts of GCs because
the quality thresholds defined in less crowded regions are often more
trustworthy. By doing this the other way around (i.e., defining the
thresholds from more crowded regions), one could systematically
include bad measured stars in the outskirts given worse thresholds
near the cluster’s core. In sum, we checked the following points: (i)
quality of the photometric fit; (ii) quality of the proper motion fit and
(iii) position in the CMD using other filters than F606W and F814W.
The diagnosis of each point is given below.

(i) We initially checked the goodness of the target in our astro-
photometric catalogues. Specifically, we looked at the quality of the
PSF fit (QFIT), the magnitude rms, the excess/defect of flux outside
the core of the star (RADXS) and the fractional flux within the fit-
ting radius prior to neighbour subtraction (o parameter). The high-µ
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ACS/WFC F775W ACS/WFC F606W WFC3/UVIS F438W

Figure 10. High-µ star and bright neighbour: The panels display a collection of zoomed-in HST stacked images (logarithmic scale; pixel scale 40 mas pixel−1)
in three filters (left: ACS/WFC F775W; middle: ACS/WFC F606W; right: WFC3/UVIS F438W) with the high-µ star (discussed in the text) and its bright nearby
neighbour in the centre. The left panel shows an example where both the high-µ star and its brighter neighbor are bright and unsaturated. The middle panel
presents the case where the neighbour star is heavily saturated. Finally, the right panel highlights the case where the high-µ star is relatively faint with respect
to its neighbour.
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Figure 11. High-µ star in colour-magnitude diagrams: The panels display the colour-magnitude diagram of M4 plus a few interlopers, for different selections
of filters. Depending on the filter combination, and accounting for the magnitude uncertainties, the high-µ star (red star) is either on the main-sequence (right),
or slightly on the blue side next to the main-sequence (middle) or, finally, close to the location of the main-sequence binaries (left). The X-axis and Y -axis
positions (and respective error bars) of the high-µ star in the plots, from left to right, are [2.73 ± 0.07, 23.46 ± 0.04], [3.0 ± 0.05, 22.49 ± 0.04] and
[1.52± 0.06, 21.01± 0.05], respectively. This plots uses data from Piotto et al. (2015); Libralato et al. (2022).

star was often poorly measured in the analysed filters, sometimes be-
cause the quality indicators are considerably beyond our the thresh-
olds we set, sometimes because they are slightly worse than those
thresholds. Hence, the star does not pass our new photometric crite-
ria.

(ii) We then checked the proper motion fit per se. The original
fit was visually inspected and we found no obvious evidence of a
problematic fit. We re-ran the proper motion code removing (1) all
images in which the nearby neighbour is saturated (as in the middle
panel of Fig. 10), and (2) all images in which the high-µ star is very
faint (as in the right panel of Fig. 10). Regardless, the results of the
fits are still consistent within their respective 1-σ uncertainty to the
proper motion obtained using all images. Hence, the proper motion
measurement of this star seems robust to the new criteria.

(iii) Figure 11 displays three CMDs in instrumental magnitudes
with the position of the high-µ star highlighted (all stars are shown,
not only M4 members). Depending on the filter combination, the
target is either on the main-sequence (right panel), or on the blue

side of the main-sequence (middle panel) or finally, slightly on the
location of the main-sequence binaries28 (left panel).

These tests shed some doubts on the reliability of the high proper
motion of the high-µ star. The proper motion of the star is ∼
2 mas yr−1, which corresponds to ∼ 0.05 WFC3/UVIS pixel yr−1.
A non-perfect PSF subtraction of the neighbour objects could easily
create an uncertainty on the target centroid this large. While the data
reduction discussed in Libralato et al. (2022) is specifically designed
to deal with crowded environments, it is still hard to interpret a sin-
gle object. Thus, we believe that the interpretation of this high-µ
star would benefit of additional follow ups. It does not mean that the
high-µ star must necessarily be put apart from our standard subset
used for mass modelling, but rather that its influence in the extension
of the central dark mass should be interpreted with caution.

Finally, given the dependence of the CUO parameters fitted by
MAMPOSST-PM on this high-µ star, we asked ourselves if other
central stars failing our new stricter criteria could have biased our
results so far. We identified four extra stars that were located up to

28 If the high-µ star is part of a tight non-resolved binary, one could indeed
expect an enhancement of its velocity due to binary motions.
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twice our fitted CUO scale radius and also did not pass such criteria
and ran MAMPOSST-PM on a subset excluding them, to probe
their influence. The marginal distributions of the CUO parameters
in this new subset remained nearly identical to the case where just
the high-µ star was removed, meaning that significant changes on
our fits of CUO parameters depended rather on the high-µ star than
on our standard cleaning criteria.

To increase the reliability of such our dataset, the two better op-
tions would be (1) to increase our subset (hence the number of mea-
surable high-µ stars), which can be made by having more epochs,
using new pointings with HST and/or the James Webb Space Tele-
scope (such as in Libralato et al. 2023), thus increasing the quality
of our measurements and likely removing less stars in our filtering
routine; (2) to perform a follow up study of this particular high-µ
star, again by means of new observations. These would be necessary
steps to further confirm our fits by similar methods.

4.3 Formation & retention of an IMBH

To better interpret our fit mimicking an IMBH signature, it is im-
portant to understand how such a source could have been formed,
and whether its retention is feasible. IMBHs may form in GCs via
successive black hole mergers over the lifetime of the cluster or via
runaway stellar mergers at very early times. In the former scenario,
initially proposed by Miller & Hamilton (2002a), dynamical fric-
tion causes the most massive stellar-mass black holes (& 40 M�)
to sink to the centre of the gravitational potential well, followed by
growth in mass through mergers with other black holes (e.g., Miller
& Hamilton 2002b) as well as with other typically massive stars
(e.g., Giersz et al. 2015). Such a scenario requires however a very
deep potential well to avoid ejecting the black hole as it conserves
linear momentum with the anisotropic gravitational waves emitted
after it merges with other black holes (Peres 1962; Lousto et al.
2010).

The stellar runaway scenario seems more plausible for a cluster
like M4. In this scenario, an initially massive star suffers multiple
physical collisions with other stars during the first few Myr of the
GC, before the stars collapse into compact objects. While the clas-
sic runaway model (Portegies Zwart & McMillan 2002; Portegies
Zwart et al. 2004) suggests that most of the massive stars merge,
potentially collapsing directly into a massive IMBH of & 104 M�,
an alternative scenario scenario recently explored by Di Carlo et al.
(2020), Kremer et al. (2020c) and González et al. (2021) argues that,
in some cases, only a handful of massive stars merge, thus forming
a small IMBH (i.e., a few hundred solar masses), consistent with the
values we fit,29 in addition to the usual population of stellar-mass
black holes.

An important caveat is that the details of this runaway process
are highly uncertain. The total mass of the stellar collision products
(roughly a few hundred solar masses or more) suggests that IMBH
formation is possible, assuming that the entire star can directly col-
lapse to a black hole of comparable mass. This assumption requires
that little mass is lost: (i) dynamically during the collisions them-
selves, (ii) through stellar winds of the stellar collision products prior
to collapse, and (iii) as stellar ejecta and/or neutrinos during the fi-
nal collapse to a black hole. Recent studies (Ballone et al. 2022;
Costa et al. 2022) suggest that these assumptions may apply in some

29 The range of IMBH masses relative to the 5th and 95th percentiles of our
IMBH model (i.e., model 6 from Table A1) is 441− 1210 M�.

contexts. However in general, it is considerably uncertain whether
IMBH formation is the outcome at early epochs.

Even if an 800 M� IMBH is formed via stellar collisions while
the cluster is very young, one may wonder if it would be retained
in the long term. The IMBH will likely be accompanied by a much
a larger population of normal stellar-mass black holes with masses
∼ 20−40 M�. Most surely, the IMBH will merge with these stellar-
mass black holes and receive a gravitational wave recoil kick,30 as
mentioned above (e.g., González Prieto et al. 2022). These kicks are
reduced due to the high mass ratios, but still may be large enough
to eject the IMBH from the host cluster. We can estimate the es-
cape velocity from M4’s centre, vesc =

√
−2 Φ(0), for our best

IMBH model (i.e., line 6 from Table A1), given the central poten-
tial Φ0 = −(2/π) bn Γ(n)/Γ(2n)GM/Re for the Sérsic model
(Ciotti 1991), where n is the Sérsic index, Re the effective radius
(see footnote 4), and b(n) follows the relation given in Ciotti &
Bertin (1999). This yields vesc = 22 km s−1, which remains of the
same order of typical recoil kick velocities from non-spinning merg-
ing black holes with mass ratios of ∼ 20 (e.g., Merritt et al. 2004;
Campanelli et al. 2007; Schnittman & Buonanno 2007; Le Tiec et al.
2010; Lousto et al. 2010; Gerosa et al. 2018). However, if M4 was
much more massive at first,31 because of severe mass loss from the
tides exerted by the Milky Way (as discussed in Section 4.1), the
escape velocity would be slightly superior compared to such gravi-
tational recoil kicks.32

To conclude, current models of dynamical evolution suggest that
the formation and retention of an IMBH in M4 is feasible, al-
though not necessarily likely. A diffuse population of stellar rem-
nants would, on physical grounds, be a much more natural explana-
tion of the excess mass we found in the core of M4.

4.4 A compact stellar-mass black hole population?

As mentioned above, from the theoretical side, it would be a more
natural explanation if our fits could be explained by a population of
segregated stellar remnants such as proposed by Mann et al. (2019),
Zocchi et al. (2019), Vitral & Mamon (2021), and Paper I. Indeed,
when removing the high-µ star, our fits yield a 932 M� mass excess
of 3D half-mass radius equal to 0.04 pc. We test the feasibility of
this result, looking for M4 analogues in our CMCmodels, similarly as
what we did in Paper I. The CMCmodel that best matched the density
profile of our fits presented a remaining segregated black hole popu-
lation of 64 M�. Hence, our MAMPOSST-PM fits to the kinematic
data without the high-µ star predict a black hole population more
than ten times more massive than our best CMC model (Figure 12
displays a comparison of mass density profiles). These numbers do
not change significantly when accounting for other compact objects
(i.e., white dwarfs and neutron stars) since they remain much less
segregated than the black holes, and tend to mix within the stellar
component of the cluster.

In fact, the retention of black holes in a GC is mediated primar-
ily by its initial scale virial radius (Kremer et al. 2020a). If a cluster

30 An interesting consequence of such recoil kicks would be the possibility
of an off-centre IMBH, but we do not explore this scenario due to limitations
pertaining to the Jeans modelling assumptions.
31 See Atallah et al. (2022) for a similar analysis taking into account more
massive nuclear star clusters, in galactic nuclei.
32 If the original M4 progenitor lost at least 60% of its initial mass, similar
structural parameters would still yield vesc > 35 km s−1, while a mass
loss of at least 80% yields vesc > 49 km s−1, preventing escape from non-
spinning merging black holes of mass ratio greater than 12.
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Figure 12. Comparison of density profiles: Comparison of the total mass den-
sity profiles of M4 (i.e., accounting for all remnants and luminous counter-
parts), estimated by MAMPOSST-PM (with the high-µ star discarded) and
by CMC (black circles, gathered within∼ 700 Myr around our best snapshot,
to better visualise the uncertainties on the simulaiton). The blue line and its
shaded region represent best likelihood and 16th-84th percentile region of
the MAMPOSST-PM fit of a model assuming a central black hole alone
(model 26), while the orange counterparts relate to the model with a cluster
of unseen objects (CUO, model 27). The skewed marginal MAMPOSST-
PM mass distribution of the CUO in M4 leads to a higher mode than the
median, much in line with the maximum likelihood. This comparison shows
that although a population of stellar remnants is a possible explanation for our
fits, it should be much denser than what we are able to reproduce with our
Monte-Carlo dynamical simulations. Thus, the existence of an IMBH cannot
be ruled out, as the CMC model agrees better (uncertainties accounted) to the
respective MAMPOSST-PM fit.

starts with a low virial radius (i.e., denser), the rate of dynamical in-
teractions will be faster, and its original black hole population will
be quickly ejected through binary-mediated encounters. When this
happens, black hole binary burning (Kremer et al. 2020b) will no
longer be effective and the cluster’s core will collapse, forming a
characteristic core-collapse structure. On the other hand, if a clus-
ter starts with high virial radius, its original black hole population
will take much longer to be ejected, and other luminous components
will not be able to effectively populate the inner regions, forming
a cored inner density profile. M4 seems to fall right in the midway
scenario, where it has not yet reached core-collapse (as our fitted
tangential velocity anisotropy suggests), but lost nonetheless an im-
portant fraction of its initial black hole population, thus departing
from an usual cored density profile (see Figure 1 for a comparison of
the surface brightness profiles of between core-collapsed NGC 6397,
cored NGC 3201, and M4).

One possibility to probe this difference between the CMC models
and our MAMPOSST-PM fits is to take into account the past dy-
namical history of M4. As argued in Section 4.1, we expect the mean
stellar mass of M4 to be higher, given its more intense tidal interac-
tions (Bianchini et al. 2017). If the Milky Way tides are sufficiently
strong to strip out part of the black hole population as it scatters to
outer regions,33 one would also expect that the mean mass of the
remaining black holes will be increased to higher masses compared
to the mean mass of 13 M� obtained with our best CMC match. It
is however speculative that the trend proposed by Bianchini et al.
(2017) extends to higher stellar masses, and it is more likely that
the increase of mean stellar mass is due primarily to the escape

33 This can happen after three-body interactions in a typical black hole–
black hole binary burning scenario (Kremer et al. 2020b).

of much lower mass stars, rather than low mass stellar-mass black
holes. Another possibility would then be that the best MAMPOSST-
PM model is the one with an IMBH of 792+253

−217 M� (820+186
−307 M�)

when adding (removing) the high-µ star, in which case the density
profile of our best CMCmatch agrees better with the one predicted by
MAMPOSST-PM (see Figure 12). However, the simulation itself is
not able to form such a massive black hole either.

In summary, although our MAMPOSST-PM fits could in prin-
ciple be associated with a population of stellar-mass black holes in
M4, this population should be much more numerous than what we
can reproduce from idealised dynamical simulations. For this rea-
son, we are not able to discard the possibility that M4 could have
a low mass IMBH, although we could not reproduce its formation
with the simulations either. Whatever the detailed mechanism, our
fits of M4 suggest an exotic mass excess, formed either by a low
mass IMBH or by a super compact black hole population.

5 SUMMARY & CONCLUSIONS

We performed mass-anisotropy Jeans modelling of globular cluster
M4 with the Bayesian code MAMPOSST-PM, following the same
prescriptions from Paper I, with data from HST and with the Gaia
EDR3 proper motion catalogue. We fit structural parameters such
as mass, scale radius and Sérsic index of the density profile, much
in agreement with previous estimates (e.g., Kimmig et al. 2015;
Baumgardt & Hilker 2018) and more importantly, we simultane-
ously model the velocity anisotropy and inner mass excess in this
cluster.

Similar to Vasiliev & Baumgardt (2021), we find an inner
isotropic profile and outer tangential anisotropy for M4, which we
associate with this cluster having not yet reached core-collapse
(Baumgardt & Makino 2003), as well as with intense past tidal in-
teractions (Bianchini et al. 2017). Its intense tidal interactions sug-
gest that M4’s progenitor was much more massive, and that its mean
stellar mass is elevated due to the escape of low mass stars on radial
orbits.

Our fits of an inner mass excess are the first to suggest an inner
dark mass of roughly 800 M� in M4.34 We also fitted the exten-
sion of such a mass and find a relatively small scale radius (namely,
0.016 pc), which although not point-like as expected for an IMBH,
it still remains too small to be reliably associated with a collection
of dark remnants. This small extent is associated with a single high
velocity star that we label the high-µ star, whose proper motion fit
seems robust within its uncertainties, but extra checks reveal a bright
nearby neighbour 0.′′23 away that undermines several photometric
measurements, and we thus decided to remove it. After doing so, we
still find a ∼ 800 M� mass excess,35 but now having a twice larger
scale radius, which approaches better an extended concentration of
unresolved stellar remnants as found in Paper I. Nevertheless, it is
important to mention that the removed star has a proper motion vec-
tor consistent with the scenario where it is coming from the cluster’s
centre, and our analyses with mock data reveal that in case M4 has

34 The MAMPOSST-PM fits yield 7.9+2.5
−2.2 × 102 M� for an IMBH sce-

nario (i.e., model 6 from Table A1), and 9.4+1.7
−3.3 × 102 M� for an CUO

scenario (i.e., model 7 from Table A1).
35 The MAMPOSST-PM fits yield 8.2+1.9

−3.1 × 102 M� for an IMBH sce-
nario (i.e., model 26 from Table A1), and 9.3+2.2

−3.6 × 102 M� for a CUO
scenario (i.e., model 27 from Table A1).
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a central IMBH, there is 33% of chance that one high-µ star is mea-
sured in the cluster’s inner regions.

Next, we used dynamical Monte Carlo N -body models con-
structed with the CMC code to test whether the extended dark pop-
ulation that was found when removing the high-µ star is a viable
solution. Our best CMC model matching the surface brightness and
velocity dispersion profile of M4 involves a cluster with a remain-
ing black hole population of 64 M�, composed of five segregated
black holes. Our fits suggest, however, that the concentration of stel-
lar remnants in M4 is more than ten times more massive than what
we could reproduce with the CMC models, likely pointing to a su-
per compact population of massive stellar-mass black holes, whose
feasibility is also debatable.

One might then wonder whether an IMBH could be masquerad-
ing as a super compact population of remnants. The formation of
an IMBH with a mass similar to what we fit is feasible through
early runaway merger scenarios such as proposed in González et al.
(2021). Its retention could be possible if the cluster was more mas-
sive in the past, as we expect from the strong tidal stripping of the
Milky Way given M4’s very small current pericentre and also from
our velocity anisotropy fits. In such a case, the IMBH eventually
merges with other segregated black holes and receives gravitational
recoil kicks, whose velocities should not overcome M4’s escape ve-
locity given the high mass ratios between the putative IMBH and
other black holes, namely MIMBH/MBH ∼ 20. Even though such
a mechanism is feasible, it should be taken with caution, given the
uncertain assumptions involved in runaway merging models.

In essence, the dark central mass in M4 is likely an exotic sce-
nario, whether composed by a central IMBH, or by a super com-
pact black hole population. Although we find it hard to fully explain
either scenario from the theoretical side, we highlight that a con-
centration of stellar remnants would still seem like a more realistic
solution, from recent studies of globular clusters (e.g. Kremer et al.
2020a; Gieles et al. 2021; Paper I).

The physics of the inner mass of M4 deserves additional study. It
will be worthwhile improving our analysis with the next data release
from Gaia. We propose follow-up observations of M4 from more
imaging using HST, and the James Webb Space Telescope, which
could increase the proper motion baseline of this cluster, increasing
the number of well-measured tracers, as well as provide more accu-
rate photometry for the high-µ star. Our results hence set an interest-
ing target for future observational campaigns and open an important
debate concerning the closest globular cluster to our Sun.
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Figure A1. Plane of sky velocities: Radial profiles of mean plane of sky ve-
locity (top) and velocity dispersion (bottom) of M4 from cleaned Gaia EDR3
data. The plane of sky motions are split between radial (POSr, blue triangles)
and tangential (POSt, red circles) components. The dashed green vertical line
displays the 2Re limit we use in MAMPOSST-PM. Both the velocity dis-
persion and its mean (along with respective uncertainties) were calculated
with the recipe from van der Marel & Anderson (2010, appendix A). This
plots suggests that the analysed data does not suffer from significant tidal ef-
fects, which in turn seem to be visible on the velocity dispersion profile only
beyond 103 arcsec. The conversions from mas yr−1 to km s−1 assumed the
M4 distance from Baumgardt & Vasiliev (2021).
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assumed the M4 distance from Baumgardt & Vasiliev (2021), and errors are
defined as in Paper I. The expected effects of mass segregation on the velocity
dispersion profile (see section 5.3.2 from Paper I), calculated from the 1.15
ratio of 75th to 25th mass percentiles, translates to 0.043 mas yr−1 or 0.38
km s−1. This effect is well below the typical proper motion uncertainties of
our data.

APPENDIX A: EXTRA MATERIAL

This paper has been typeset from a TEX/LATEX file prepared by the author.

MNRAS 000, 1–17 (2015)

http://dx.doi.org/10.3847/1538-4357/abed49
https://ui.adsabs.harvard.edu/abs/2021ApJ...912..102R
http://dx.doi.org/10.1088/0004-637X/737/2/103
https://ui.adsabs.harvard.edu/abs/2011ApJ...737..103S
http://dx.doi.org/10.1038/1971040a0
https://ui.adsabs.harvard.edu/abs/1963Natur.197.1040S
http://dx.doi.org/10.1086/519309
https://ui.adsabs.harvard.edu/abs/2007ApJ...662L..63S
https://ui.adsabs.harvard.edu/abs/2004RMxAA..40...69S
http://dx.doi.org/10.1093/mnras/stx1856
https://ui.adsabs.harvard.edu/abs/2017MNRAS.471.3668S
http://dx.doi.org/10.1093/mnras/stz505
https://ui.adsabs.harvard.edu/abs/2019MNRAS.485.1460S
http://dx.doi.org/10.1038/nature11490
https://ui.adsabs.harvard.edu/abs/2012Natur.490...71S
http://dx.doi.org/10.1080/03610927808827599
http://dx.doi.org/10.1088/1674-4527/ac9e91
http://dx.doi.org/10.1088/1674-4527/ac9e91
https://ui.adsabs.harvard.edu/abs/2023RAA....23a5013S
http://dx.doi.org/10.1093/mnras/stv2574
https://ui.adsabs.harvard.edu/abs/2016MNRAS.455.3693T
http://dx.doi.org/10.1086/117268
https://ui.adsabs.harvard.edu/abs/1995AJ....109..218T
http://dx.doi.org/10.3847/1538-4357/aac9b9
https://ui.adsabs.harvard.edu/abs/2018ApJ...862...16T
http://dx.doi.org/10.1093/mnras/sty2672
https://ui.adsabs.harvard.edu/abs/2019MNRAS.482.1525V
http://dx.doi.org/10.1093/mnras/stz2100
https://ui.adsabs.harvard.edu/abs/2019MNRAS.489..623V
http://dx.doi.org/10.1093/mnras/stab1475
https://ui.adsabs.harvard.edu/abs/2021MNRAS.505.5978V
http://dx.doi.org/10.1093/mnrasl/slu088
https://ui.adsabs.harvard.edu/abs/2014MNRAS.443L..79V
https://ui.adsabs.harvard.edu/abs/2014MNRAS.443L..79V
http://dx.doi.org/10.1093/mnras/stab947
https://ui.adsabs.harvard.edu/abs/2021MNRAS.504.1355V
http://dx.doi.org/10.1051/0004-6361/202244530
https://ui.adsabs.harvard.edu/abs/2022A&A...667A.112V
http://dx.doi.org/10.1051/0004-6361/201937202
https://ui.adsabs.harvard.edu/abs/2020A&A...635A..20V
http://dx.doi.org/10.1051/0004-6361/202039650
https://ui.adsabs.harvard.edu/abs/2021A&A...646A..63V
http://dx.doi.org/10.1093/mnras/stac1337
https://ui.adsabs.harvard.edu/abs/2022MNRAS.514..806V
https://ui.adsabs.harvard.edu/abs/2016MNRAS.458.1450W
http://dx.doi.org/10.3847/2041-8213/abd79c
https://ui.adsabs.harvard.edu/abs/2021ApJ...907L..25W
http://dx.doi.org/10.1086/161701
https://ui.adsabs.harvard.edu/abs/1984ApJ...277..355W
http://dx.doi.org/10.1038/235037a0
https://ui.adsabs.harvard.edu/abs/1972Natur.235...37W
http://dx.doi.org/10.1086/165273
https://ui.adsabs.harvard.edu/abs/1987ApJ...317..246W
http://dx.doi.org/10.1093/mnras/stw1104
https://ui.adsabs.harvard.edu/abs/2016MNRAS.462..696Z
https://ui.adsabs.harvard.edu/abs/2016MNRAS.462..696Z
http://dx.doi.org/10.1093/mnras/sty1508
https://ui.adsabs.harvard.edu/abs/2019MNRAS.482.4713Z
http://dx.doi.org/10.1051/0004-6361:20053061
https://ui.adsabs.harvard.edu/abs/2006A&A...445..513V
http://dx.doi.org/10.1088/0004-637X/710/2/1063
https://ui.adsabs.harvard.edu/abs/2010ApJ...710.1063V


18 Vitral, Libralato, Kremer, Mamon, Bellini, Bedin & Anderson.

Table A1. Main results of the MAMPOSST-PM mass-modelling fit of NGC 6121.

Model Cluster ID Test R−1 β0 βout rGC nGC MGC rCUO MCUO MBH ∆AICc

[pc] [104 M�] [pc] [M�] [M�]

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12) (13)

1 NGC 6121 – 0.001 0 0 2.164+0.057
−0.069 2.14+0.07

−0.05 8.51+0.18
−0.17 – – – 62.47

2 NGC 6121 – 0.004 0 0 2.348+0.087
−0.080 2.09+0.07

−0.05 8.54+0.23
−0.14 – – 927+140

−278 30.55

3 NGC 6121 – 0.003 0 0 2.366+0.079
−0.090 2.08+0.08

−0.04 8.60+0.17
−0.20 0.014+0.006

−0.013 910+216
−226 – 32.50

4 NGC 6121 – 0.015 0 0 2.356+0.092
−0.077 2.10+0.06

−0.07 8.56+0.21
−0.16 0.017+0.087

−0.016 202+636
−173 729+178

−671 34.52

5 NGC 6121 β(r) 0.002 0.18+0.03
−0.07 −0.41+0.08

−0.05 2.056+0.069
−0.059 2.12+0.08

−0.04 8.23+0.19
−0.16 – – – 23.40

6 NGC 6121 β(r) 0.007 0.04+0.07
−0.05 −0.36+0.06

−0.08 2.207+0.095
−0.070 2.08+0.09

−0.04 8.30+0.18
−0.20 – – 792+253

−217 0.00

7 NGC 6121 β(r) 0.008 0.06+0.05
−0.07 −0.37+0.08

−0.06 2.218+0.094
−0.073 2.10+0.06

−0.06 8.21+0.26
−0.11 0.016+0.005

−0.015 939+166
−331 – 1.80

8 NGC 6121 β(r) 0.009 0.04+0.06
−0.05 −0.34+0.05

−0.10 2.232+0.084
−0.086 2.10+0.07

−0.06 8.27+0.21
−0.17 0.004+0.127

−0.002 15+793
−0 847+10

−776 3.87

9 NGC 6121 (α0, δ0) 0.002 0.16+0.05
−0.05 −0.39+0.06

−0.08 2.045+0.078
−0.049 2.12+0.08

−0.05 8.21+0.21
−0.14 – – – 122850.31

10 NGC 6121 (α0, δ0) 0.005 0.05+0.06
−0.06 −0.38+0.08

−0.06 2.230+0.072
−0.092 2.11+0.05

−0.07 8.27+0.20
−0.17 – – 848+199

−264 122826.98

11 NGC 6121 (α0, δ0) 0.005 0.01+0.09
−0.03 −0.36+0.07

−0.08 2.225+0.089
−0.079 2.09+0.07

−0.05 8.24+0.23
−0.15 0.017+0.005

−0.015 942+175
−323 – 122829.06

12 NGC 6121 (α0, δ0) 0.020 0.04+0.06
−0.06 −0.34+0.05

−0.09 2.244+0.070
−0.098 2.11+0.06

−0.07 8.34+0.12
−0.24 0.009+0.123

−0.007 778+56
−743 28+830

−0 122830.95

13 NGC 6121 σµ 0.005 0.18+0.06
−0.04 −0.47+0.11

−0.10 1.969+0.084
−0.052 2.15+0.08

−0.06 7.91+0.25
−0.18 – – – 80807.35

14 NGC 6121 σµ 0.007 0.07+0.06
−0.06 −0.45+0.14

−0.08 2.142+0.096
−0.090 2.09+0.09

−0.05 7.93+0.24
−0.24 – – 876+230

−250 80781.82

15 NGC 6121 σµ 0.006 0.04+0.09
−0.04 −0.39+0.08

−0.14 2.155+0.092
−0.097 2.09+0.09

−0.05 7.92+0.25
−0.24 0.013+0.011

−0.012 1007+186
−329 – 80783.78

16 NGC 6121 σµ 0.015 0.02+0.11
−0.02 −0.38+0.07

−0.15 2.169+0.084
−0.104 2.12+0.06

−0.09 7.89+0.28
−0.20 0.030+0.106

−0.028 556+354
−519 466+446

−407 80785.83

17 NGC 6121 Bulk µ 0.006 0.15+0.06
−0.04 −0.38+0.05

−0.08 2.073+0.050
−0.078 2.15+0.05

−0.08 8.26+0.16
−0.19 – – – 122841.25

18 NGC 6121 Bulk µ 0.007 0.07+0.04
−0.07 −0.39+0.10

−0.05 2.222+0.079
−0.085 2.10+0.06

−0.06 8.26+0.21
−0.16 – – 872+166

−298 122817.86

19 NGC 6121 Bulk µ 0.009 0.04+0.07
−0.05 −0.36+0.07

−0.08 2.217+0.092
−0.075 2.12+0.05

−0.08 8.27+0.20
−0.18 0.009+0.011

−0.008 855+243
−249 – 122819.54

20 NGC 6121 Bulk µ 0.009 0.02+0.08
−0.04 −0.35+0.05

−0.09 2.269+0.040
−0.125 2.12+0.05

−0.08 8.34+0.12
−0.25 0.023+0.118

−0.022 802+0
−770 178+678

−114 122821.61

21 NGC 6121 εsys 0.002 0.17+0.04
−0.05 −0.40+0.07

−0.06 2.032+0.068
−0.060 2.13+0.08

−0.05 8.10+0.20
−0.14 – – – 122848.59

22 NGC 6121 εsys 0.010 0.03+0.07
−0.04 −0.36+0.07

−0.08 2.207+0.072
−0.092 2.12+0.05

−0.08 8.15+0.20
−0.17 – – 850+218

−258 122824.48

23 NGC 6121 εsys 0.007 0.04+0.06
−0.06 −0.34+0.05

−0.09 2.196+0.095
−0.074 2.10+0.07

−0.05 8.12+0.22
−0.15 0.001+0.021

−0.000 912+222
−284 – 122826.48

24 NGC 6121 εsys 0.015 0.05+0.05
−0.06 −0.35+0.06

−0.08 2.233+0.059
−0.108 2.12+0.05

−0.08 8.17+0.17
−0.20 0.026+0.107

−0.024 652+209
−618 287+583

−222 122828.25

25 NGC 6121 v? 0.002 0.16+0.04
−0.05 −0.41+0.08

−0.06 2.036+0.094
−0.035 2.14+0.06

−0.07 8.19+0.25
−0.11 – – – 122824.23

26 NGC 6121 v? 0.004 0.04+0.07
−0.05 −0.39+0.09

−0.05 2.233+0.060
−0.106 2.11+0.06

−0.07 8.29+0.18
−0.19 – – 820+186

−307 122808.88

27 NGC 6121 v? 0.017 0.03+0.08
−0.04 −0.34+0.04

−0.10 2.240+0.074
−0.099 2.09+0.08

−0.05 8.32+0.16
−0.22 0.034+0.021

−0.032 932+220
−355 – 122809.26

28 NGC 6121 v? 0.013 0.06+0.05
−0.07 −0.37+0.08

−0.06 2.197+0.116
−0.055 2.11+0.05

−0.07 8.16+0.31
−0.06 0.041+0.079

−0.039 936+0
−895 17+764

−0 122811.91

Notes: Columns are (1) Model number; (2) Cluster ID; (3) Test type: "β(r)" for a free anisotropy model, “(α0, δ0)” for the test of a different centre (Goldsbury
et al. 2010), “σµ” for the test with half of the standard error threshold, “Bulk µ” for the test setting the HST bulk proper motion as the one from Vasiliev &
Baumgardt (2021), “εsys” for tests considering the Gaia systematics according to eq. 3 from Vasiliev & Baumgardt (2021) and “v?” for the subset without
the high velocity star (Section 3.4); (4) MCMC convergence criterion (R−1 ≤ 0.02 is considered as properly converged); (5) anisotropy value at r = 0; (6)
anisotropy value at the data’s most distant projected radius (i.e., 12.6 arcmin); (7) Sérsic projected half mass radius Re (in pc) of the mass density profile of
the globular cluster; (8) Sérsic index n of the mass density profile of the globular cluster; (9) Total globular cluster mass (without dark central component), in
M�; (10) Plummer projected half mass radius aP (in pc) of the mass density profile of the central sub-cluster of unresolved objects (CUO); (11) Total mass of
the CUO, in M�; (12) Central black hole mass, in M�; (13) Difference in AICc (eq. [14]) relative to model 6. We highlight the maximum likelihood values
in orange when they were outside the 16-84 percentiles of the posterior distribution. The uncertainties are respective to the 16th and 84th percentiles of the
marginal distributions. The lines coloured in lavender indicate our preferred models, i.e., models with a central black hole (6 and 26) or with a central CUO (7
and 27), for both the cases with (6–7) and without (26–27) the high velocity star. We did not consider the AICc diagnosis when the dataset was different from
the respective standard model (i.e., the one used in models 1–8).
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Table A2. Observed velocity dispersion depicted in Figure 5.

Rproj εRproj
σµ εσµ

[arcsec] [arcsec] [mas yr−1] [mas yr−1]

1.33 0.13 1.095 0.489

2.84 0.39 0.675 0.181

5.65 0.93 0.730 0.160

10.58 1.76 0.607 0.048

21.00 3.48 0.604 0.025

39.92 6.99 0.597 0.014

75.52 13.39 0.578 0.009

144.38 28.69 0.526 0.012

290.83 51.95 0.468 0.008

535.05 98.74 0.381 0.006
Notes: Columns are (1) Projected distance to the centre; (2) Uncertainty on
projected distance to the centre; (3) Observed proper motion dispersion; (4)
Uncertainty on proper motion dispersion.
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Figure A3. Match of surface brightness profile: The plot depicts the agree-
ment between the surface brightness profile of M4 observed by Trager et al.
(1995) as blue circles, and the ten closest snapshots from our best CMCmodel
as orange lines.
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ABSTRACT
The photoionization model of narrow-line regions (NLRs) in active galactic nuclei (AGNs) has been

investigated for decades. Many published models are restricted to simple linear scaling abundance rela-
tions, dust-free assumption, uniform AGN radiation field, and using one specific photoionization code,
which restricts them from providing a satisfactory prediction on a broad range of AGN observations.
Through a comprehensive investigation, here we present how the choice of abundance scaling relations,
dust inclusion, AGN radiation fields, and different photoionization codes CLOUDY and MAPPINGS
affect the predictions on the strength of strong UV, optical, and infrared emission lines. We find the
dust-depleted radiation pressure-dominated AGN model built with the latest non-linear abundance
sets and photoionization code MAPPINGS V are consistent with AGN observations across a broad
range of wavelengths. We also assess new potential HII-AGN separation diagrams in the optical and
UV wavelengths.

Keywords: galaxies: active — galaxies: ISM — galaxies: Seyfert —ISM: abundances — quasars:
emission lines

1. INTRODUCTION

Spectroscopic observations of active galactic nuclei
(AGNs) can provide vital insights into physical processes
within or in the vicinity of AGNs because the radia-
tion field from central AGNs excites and ionized the
nearby interstellar medium, which then emits emission
lines across the electromagnetic spectrum.
When combined with theoretical AGN models, the

emission lines of the narrow line region in AGNs can not
only place constraints on the chemical abundance and
ionization parameter of the interstellar medium but also
enable the study of chemical evolution. For example,
Storchi-Bergmann et al. (1998) find two metallicity cali-
brations from AGN photoionization models, which allow
the derivation of the chemical abundance of the NLR
gas using two easily observed optical emission line ra-
tios [N ii]λλ 6548,6584/Hα and [O iii]λλ 4959,5007/Hβ
or [O ii]λ 3727/[O iii]λλ 4959,5007. Recently, attempts
have also been made to simultaneously estimate the
gas metallicity and ionization parameter by applying a

peixin.zhu@cfa.harvard.edu

Bayesian approach based on fitting AGN models to the
observed emission line spectra of AGNs (Thomas et al.
2018; Pérez-Montero et al. 2019).
At UV wavelengths, Nagao et al. (2006) show that the

gas metallicity of faint high−z galaxies can be estimated
by comparing the observed UV emission line ratios in the
NLR of high−z radio galaxies with the prediction from
AGN models.
Given the potential power for interpreting data with

theoretical AGN models, attempts to model the narrow-
line region of AGNs have lasted for decades. Beginning
with models of Ferland & Netzer (1983) and Halpern
& Steiner (1983), the consensus has been made that
photoionization-dominated AGN models are most suc-
cessful in reproducing the observed strong line ratios in
the narrow-line region (e.g. Stasińska 1984; Binette et al.
1988). This conclusion was later reinforced by the coni-
cal shape observed in the NLR in several Seyfert galaxies
(e.g. Schmitt et al. 1994).
To generate the photoionization model for the narrow-

line region of AGNs, an ionizing radiation field is re-
quired in conjunction with a detailed self-consistent pho-
toionization model such as MAPPINGS (e.g. Sutherland
& Dopita 1993; Sutherland et al. 2018) or CLOUDY
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(e.g. Ferland et al. 2013, 2017). In addition, settings
on the dust physics, thermodynamics structure, and the
gas phase abundance of various elements are also re-
quired. However, modelers have debated whether dust
should be included in AGN models. Although evidence
of the existence of dust has been found in the vicinity
of AGN (Laor & Draine 1993; Radomski et al. 2003),
Nagao et al. (2003, 2006) and Matsuoka et al. (2009)
claim that dust-free AGN models provide more accurate
predictions compared to the dusty model based on the
observations of UV emission lines and two optical high-
ionization forbidden emission lines of Seyfert 2 galax-
ies. On the contrary, Dopita et al. (2002) and Groves
et al. (2004a) argue that in terms of their model set-
tings, dusty models are more successful in reproducing
the observations in narrow-line regions.
The abundance sets modelers used to adopt in AGN

models are also being challenged. Assuming the inter-
stellar medium (ISM) in the NLRs and HII regions share
a uniform origin, the abundance sets used in the AGN
models are the same as in the HII models, whose tradi-
tional treatment is to use the solar abundance set as a
reference and linearly scale the abundance of most ele-
ments according to the total metallicity to solar metal-
licity ratio Z/Z�, with two non-linear scaling exceptions
for He and N (e.g. Storchi-Bergmann et al. 1998; Castro
et al. 2017). However, it is found in a recent update
on the abundance sets for local star-forming galaxies
that the scaling relations for most elements are best fit-
ted by a suite of non-uniform relations, which, when
applied to HII region models, significantly improves the
predictions for the observed emission-line ratios for star-
forming galaxies (Nicholls et al. 2017).
Conflict in the growth of nitrogen abundance is even

more considerable. Generally, two sources contribute
to the growth of nitrogen abundance as total metallicity
accumulates. While the growth rate from primary nucle-
osynthesis is generally agreed to be constant, the growth
rate from secondary nucleosynthetic sources can vary up
to 0.3 dex among different galaxies (Gutkin et al. 2016;
Dors et al. 2017). As a consequence, the discrepancy on
the frequently used theoretical [N ii]λ 6584/[O ii]λ 3727
ratio can be as large as 0.5 dex in a high metallicity
medium (12 + log(O/H) ≈ 9.0) (Groves et al. 2004a;
Castro et al. 2017).
Disagreement also exists in the selection of density

structure in the AGN model. Seyfert galaxies are found
to locate closely in some of the optical line ratio di-
agrams, which in terms of the photoionization model,
implies that the ionization parameter U in the narrow-
line regions are very similar among AGNs (Véron-Cetty
& Véron 2000; Dopita et al. 2002; Castro et al. 2017).

Some modelers interpret this phenomenon as an implica-
tion for the gas density in the ionized clouds decreasing
precisely as a function of the inverse square of the dis-
tance from the nucleus center and therefore adopt the
density-bounded isochoric (constant density) structure
in AGN models (e.g. Storchi-Bergmann et al. 1998; Na-
gao et al. 2006; Castro et al. 2017; Pérez-Montero et al.
2019). On the other hand, Dopita et al. (2002) demon-
strated that by including radiation pressure, radiation-
bounded AGN models using isobaric (constant pressure)
structure could reproduce this phenomenon and is more
realistic than using isochoric structure in AGN models
(Groves et al. 2004a).
To tackle the contradictions in the settings of dust

physics, gas abundance sets, and density structure, de-
tailed comparisons between AGN models with the same
settings for all but one factor are required. However, the
published AGN models are difficult to compare, because
they also differ in the radiation field and the photoion-
ization code they are calculated with. For instance, re-
garding the photoionization code, some researchers cal-
culate their AGN models using CLOUDY (e.g. Storchi-
Bergmann et al. 1998; Nagao et al. 2006; Dors et al.
2015; Pérez-Montero et al. 2019), while others build
their AGN models with MAPPINGS (e.g. Dopita et al.
2002; Groves et al. 2004a; Thomas et al. 2018). The
various versions of CLOUDY and MAPPINGS have de-
veloped differently over time, with different atomic data
sets and calculation methods. It has not yet been clari-
fied how much impact will be introduced into the AGN
model by simply changing the photoionization code. Ad-
ditionally, most published AGN models are tested with
small samples, which may not be able to provide suffi-
cient constraints to resolve the ongoing controversies.
In this paper, we perform a comprehensive investiga-

tion to separate and quantify the effects of dust physics,
gas abundance sets, and density structure on the the-
oretical emission lines of AGN models. Our goal is to
find reliable and self-consistent sets for the AGN model
that can account for the emission-line spectra observed
in the narrow line regions. We find that the discrepancy
in the theoretical emission lines is generally less than 0.1
dex between MAPPINGS and CLOUDY when using the
same inputs. We explore AGN models with different ra-
diation fields to account for the influence brought by
the change in the AGN radiation field. With the ob-
servational constraints from the spectra of the narrow-
line region in optical, UV, and infrared wavelength, we
show that the dust-depleted AGN model with radiation
pressure-dominated isobaric structure provides the best
empirical fit to the distribution of Seyfert 2 galaxies on
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the line ratio diagnostic diagrams in both optical, UV,
and infrared wavelength.
This paper is structured as follows. The observational

sample we adopted for model testing is described in
Section 2. The radiation field models of AGNs are in-
troduced in Section 3, followed by the photoionization
codes used in the AGN model calculation. In Section 4,
we quantify the isolated effects of four factors that pri-
marily impact the prediction of AGN models. In Sec-
tion 5, we explore our selected AGN model further in the
optical, UV, and infrared diagnostic diagrams. Finally,
we discuss our results in Section 6.

2. SAMPLE SELECTION

We collect spectroscopic data for AGNs in optical,
UV, mid-IR, and far-IR bands to enable model testing
across a broad wavelength range. The Sloan Digital Sky
Survey (SDSS) provides the largest spectroscopic data
set for nearby galaxies in the optical band. Unlike the
rich database in optical wavelength (∼ 2000 Seyferts),
public spectroscopic observations for Seyfert 2 galaxies
in UV and IR wavelengths are still limited (∼ 70 in UV
and ∼ 50 in IR). When available, we also include ob-
servations of HII regions from the same datasets in the
diagrams to indicate their locations.

2.1. Optical Data

Our optical sample was collected from Sloan Digital
Sky Survey (SDSS) data release 16 (DR16) (Kollmeier
et al. 2017), which contains the latest optical emission-
line data of a large sample of galaxies. We use SQL
to collect the emission-line fluxes of [O ii]λλ3726,9,
[Ne iii]λ3869, Hβ, [O iii]λ 5007, Hα, [O i]λ 6300,
[N ii]λ6584, and [S ii]λλ6717,31 for galaxies that satisfy
the following criteria:
(a) Signal-to-noise ratio (S/N)≥ 3 in the strong

emission-lines Hβ, [O iii]λ 5007, Hα, [O i]λ 6300,
[N ii]λ6584, and [S ii]λλ6717,31.
(b) Redshifts between 0.05 < z < 0.1.
(c) All emission lines used in this work should have

fluxes larger than zero. This is guaranteed by setting
‘Fit_Warning’=0. When an emission line falls on the
sky line, the ‘Fit_Warning’ parameter is set to 1, and
measurements of the emission line are set to zero.
The S/N limit is chosen to ensure that the classifi-

cation based on strong emission line ratios is accurate
and to ensure that there are sufficient galaxies left for
model testing (e.g. Veilleux & Osterbrock 1987; Kewley
et al. 2006). The lower redshift is chosen to prevent the
galaxy properties from being dominated by the effects of
the small fixed size aperture (Kewley et al. 2005). The
upper redshift limit ensures that our sample consists of

local galaxies. The third criterion ensures reliable emis-
sion line measurements.
Following the steps in Vogt et al. (2013), we per-

formed extinction correction for these optical emission-
line fluxes with the Balmer decrement and applied the
relative extinction curve with RAV = AV /E(B−V ) = 4.5

and AV = 1 of Fischera & Dopita (2005). We assume
an intrinsic Hα/Hβ ratio of 2.86 for star formation dom-
inated galaxies and Hα/Hβ = 3.1 for AGN dominated
galaxies.
With the extinction corrected emission-line fluxes, we

further classify these galaxies into star-forming galaxies,
AGNs, and composite galaxies on the standard optical
diagnostic diagrams (Baldwin et al. 1981; Veilleux & Os-
terbrock 1987), by applying the following classification
scheme proposed by Kewley et al. (2001); Kauffmann
et al. (2003); Kewley et al. (2006).
(i) Star-forming galaxies should satisfy equations (1),

(2), and (3) on the standard optical diagnostic diagrams.

log([O III]/Hβ) < 0.61/[log([N II]/Hα)−0.05]+1.3 (1)

log([O III]/Hβ) < 0.72/[log([S II]/Hα)−0.32]+1.3 (2)

log(O III]/Hβ) < 0.73/[log([O I]/Hα)+0.59]+1.33 (3)

(ii)Composite galaxies should satisfy equations (4)
and (5) on the [N ii]/Hα versus [O iii]/Hβ diagram.

log([O III]/Hβ) > 0.61/[log([N II]/Hα)−0.05]+1.3 (4)

log([O III]/Hβ) < 0.61/[log([N II]/Hα) − 0.47] + 1.19

(5)
(iii)Seyfert galaxies should satisfy equation (6) on the

[N ii]/Hα versus [O iii]/Hβ diagram, equation (7) and
(8) on the [S ii]/Hα versus [O iii]/Hβ diagram, and
equation (9) and (10) on the [O i]/Hα versus [O iii]/Hβ
diagram.

log([O III]/Hβ) > 0.61/[log([N II]/Hα) − 0.47] + 1.19

(6)

log([O III]/Hβ) > 0.72/[log([S II]/Hα)−0.32]+1.3 (7)

or log([S II]/Hα) > 0.32

log([O III]/Hβ) > 1.89 log([S II]/Hα) + 0.76 (8)
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log([O III]/Hβ) > 0.73/[log([O I]/Hα)+0.59]+1.33 (9)

or log([O I]/Hα) > −0.59

log([O III]/Hβ) > 1.18 log([O I]/Hα) + 1.30 (10)

According to the above criteria, our 47302-galaxy sam-
ple contains 36243 (77%) star-forming galaxies, 4946
(10%) composite galaxies, and 1783 (5%) Seyfert galax-
ies. The remaining 3859 galaxies are LINERs and am-
biguous galaxies (8%).

2.2. UV Data

Contrary to optical observations, the available data
for AGNs in the UV band is limited and lacks recent
measurements. We collect the emission-line fluxes of
[N v]λ1240, [He ii]λ1640, [C iii]λ1909, [C iv]λ1549 for
77 Type-2 AGN galaxies at redshift 0 < z < 4.0 from
the Table 1 in Dors et al. (2019), who compiled the data
from Kraemer et al. (1994); De Breuck et al. (2000);
Nagao et al. (2006); Bornancini et al. (2007); Matsuoka
et al. (2009, 2018). These 77 AGN galaxies are selected
by applying a S/N≥ 3 limit and consist of nine local
Seyfert 2 galaxies (z < 0.03), seven 1.5 < z < 3.6 X-ray
selected Type-2 quasars, and 61 high−z radio galaxies
(HzRGs) at 1.2 < z < 4.0. To account for the dust ex-
tinction effect in our comparisons, we adopt the extinc-
tion curve described by Cardelli et al. (1989) and show
the AV = 5.0mag effect in the UV diagnostic diagrams.

2.3. Mid-IR and Far-IR Data

For IR emission lines, we use the IR spectroscopic
database presented in Table 3 of Fernández-Ontiveros
et al. (2016). They assembled a sample that contains
57 local Seyfert 2 galaxies (z < 0.45) and 20 star-
forming galaxies (z < 0.0159) and collected their mid-
IR emission lines from the InfraRed Spectrograph (IRS;
Houck et al. (2004)) on board the Spitzer Space Tele-
scope (Werner et al. 2004) as well as far-IR fine-structure
lines from the Spectral and Photometric Imaging Re-
ceiver Fourier-transform spectrometer (SPIRE; Griffin
et al. (2010)) on board the Herschel Space Observatory
(Pilbratt et al. (2010)). These 57 Seyfert 2 galaxies are
selected from far-IR and mid-IR observations for QSO or
Seyferts that have S/N≥3 detections without the pres-
ence of broad-lines in optical, IR, and/or polarized light
spectra. The 20 star-forming galaxies are selected from
optically classified pure HII region galaxies that have
mid-IR and far-IR observations with S/N≥3.
We collected the fluxes of [S iv]λ10.5µm,

[Ne ii]λ12.8µm, [Ne v]λ14.5µm, [Ne iii]λ15.6µm,

[S iii]λ18.7µm, [Ne v]λ24.3µm, [O iv]λ25.9µm,
[S iii]λ33.5µm, [Si ii]λ34.8µm for mid-IR data, and
the fluxes of [O iii]λ52µm, [N iii]λ57µm, [O i]λ63µm,
[O iii]λ88µm, [N ii]λ122µm, [O i]λ145µm, and
[C ii]λ158µm for far-IR data. Given that the extinction
at λ > 3µm is generally smaller (Aλ/AV < 0.1, Gordon
et al. (2021)) than the measurement errors of the line
fluxes, we did not perform extinction correction for IR
data.

3. MODEL DESCRIPTION

To build the photoionization model of the narrow-line
region in AGNs, the radiation field of AGN is required
for calculation in the photoionization code. Here we
use the physically based radiation field model OXAF
(Thomas et al. 2016) to generate the ionizing spectra of
AGNs. In this section, we investigate how the change
in AGN spectrum shape affects the emission-line spec-
tra of AGN models. For the convenience of external
comparison, we also include the CLODUY default AGN
radiation field in our experiment, which is widely used
in AGN models calculated using CLOUDY.
The most popular two photoionization codes are

MAPPINGS (e.g. Sutherland et al. 2018) and CLOUDY
(Ferland et al. 2017). As the atomic data and physical
process are not the same in these photoionization codes,
we also investigate the difference in AGN models intro-
duced by simply changing the photoionization code from
the latest version of MAPPINGS (MAPPINGS V) to the
2017 version of CLOUDY (CLOUDY C17), keeping all
input parameters and ionizing radiation field constant.

3.1. Radiation Field

In the past, empirical AGN radiation fields were built
with piecewise functions of one to three simple power
laws (e.g. Viegas-Aldrovandi & Contini 1989; Groves
et al. 2004a). Here we adopt a physically based radi-
ation model OXAF introduced and described in detail
by Thomas et al. (2016). Briefly, the OXAF model is
a simple version of a more complicated radiation model
OPTXAGNF (Done et al. 2012; Jin et al. 2012), which
characterize the essential features of continuum emission
radiated from a thin accretion disk with a Comptoniz-
ing corona of a rotating black hole with nine parame-
ters. To build the OXAF model using the fewest pos-
sible parameters, Thomas et al. (2016) carefully shrank
and reparametrized the nine parameters in the OPTX-
AGNF model and only left three parameters that have
the most critical impacts on the NLR heating: the peak
energy of the accretion disk emission Epeak, the photon
index of the inverse Compton scattered power-law tail
Γ, and the flux ratio of the non-thermal tail to the total
flux pNT.
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Figure 1. Radiation fields of AGN produced by the OXAF model with fixed photo index Γ = 2.0 and the flux ratio of
the non-thermal tail pNT = 0.15 and peak energy of the accretion disk logEpeak/(keV) = −1.5,−1.25,−1.0, corresponding to
Epeak = 32eV, 56eV, 100eV . The default AGN radiation field provided by CLOUDY is also presented for comparison.

After a systematic investigation, Thomas et al. (2016)
found that the theoretical emission line ratios of AGNs
are most sensitive to the peak energy of the Big Blue
Bump (BBB) disk emission, that is, Epeak, while the
impact from Γ and pNT are relatively small. Further-
more, Γ and pNT are also found anti-correlated to a
certain degree. After investigating a broad parameter
space, Thomas et al. (2018) suggested that OXAF mod-
els with fixed Γ = 2.0 and pNT = 0.15 plus a varying
Epeak can provide a realistic radiation field for most of
the narrow line regions in the vicinity of AGNs.
Here we compare the shape of different AGN radiation

fields. We select four typical AGN radiation fields for
our comparison, which consist of three AGN radiation
fields from the OXAF model using Γ = 2.0 and pNT =

0.15 with Epeak = 32eV, 56eV, 100eV and the default
AGN radiation field generated by CLOUDY with the
command ‘AGN T=1.5e5k, a(ox)=−1.4, a(uv)=−0.5
a(x)=−1’, where T stands for the temperature of the
Big Bump continuum, a(ox) controls the X-ray to UV
ratio αox, a(uv) represents the low-energy slope of the
Big Bump continuum αuv, and a(x) reflects the slope of
the X-ray component αx (Ferland et al. 2013, 2017).
As shown in Figure 1, the CLOUDY default AGN ra-

diation field has the lowest energy peak in the BBB com-
ponent, at ∼ 1Ryd, while the BBB component moves

toward higher energy as the Epeak in OXAF AGN radia-
tion fields increase. Compared to OXAF radiation fields,
the CLOUDY radiation field has a broader BBB com-
ponent and a smaller slope in the X-ray tail at higher
energy. This is because the CLOUDY radiation field
combines a single blackbody curve with power law to
produce the BBB component and uses a simple piece-
wise ν−2 cutoff at the high energy tail where the OXAF
radiation fields use a power-law cutoff.

3.2. Photoionization Codes

To model the heating and cooling processes that lead
to absorption and emission in the interstellar medium,
a photoionization code is required. In this work, we
adopt the photoionization code MAPPINGS V (Suther-
land et al. 2018) to generate the emission-line spectra
of AGN as a function of metallicity and ionization pa-
rameters. The MAPPINGS V code, described in detail
by Sutherland & Dopita (2017), is the latest version of
the MAPPINGS photoionization code, developed over
three decades. Starting from the first iteration (Binette
et al. 1985), the MAPPINGS code was subsequently
improved by adding new physical processes including
dust heating, infrared emission, and treatment of non-
equilibrium electron energies (e.g. Sutherland & Dopita
1993; Dopita & Sutherland 2000; Dopita et al. 2005,
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Figure 2. Comparison of AGN models calculated by different photoionization codes on the standard optical diagnostic diagrams.
Each model is presented with constant metallicity lines (from left to right: 12 + log(O/H) = 8.43, 8.70, 8.89, 8.96, 9.09) and
constant ionization parameter lines (from bottom to up: log(U) = −3.5,−3.0,−2.5,−2.0,−1.5,−1.0) at hydrogen density
nH = 1000 cm−3. The red dashed and solid blue grids represent dust-free, isochoric structure AGNs model with solar-based
abundance file and CLOUDY default AGN radiation field calculated by CLOUDY v17 (Ferland et al. 2017) and MAPPINGS
V (Sutherland et al. 2018).

2013). In MAPPINGS V, significant changes include
updated atomic data from version 10 of the CHIANTI
database (Del Zanna et al. 2021), updated elemental
depletion files, and higher precision exponential integral
functions to calculate collisional ionization rates, which
enable MAPPINGS V to track more than 8×104 cooling
and recombination emission lines.
Aside from MAPPINGS, another widely used pho-

toionization code is CLOUDY (e.g. Ferland et al. 1996),
a microphysics modeling code that was first built in
Ferland & Netzer (1983). We use the 2017 version of
CLOUDY (C17) (Ferland et al. 2017), which by default
uses the self-built atomic database Stout. Given the
differences between MAPPINGS V and C17 in physical
processes and atomic data, it is worth investigating how
the choice of photoionization code can affect the theo-
retical emission-line spectra of AGN models. To do this,
we provide the same inputs into MAPPINGS and C17,
respectively, and compare their predictions in Figure 2.
Both AGN models are considered dust-free models with
isochoric density structure and adopt solar-based abun-
dance and CLOUDY default AGN radiation field.
With the same inputs, MAPPINGS V and C17 give

similar predictions in the emission line ratios [N ii]/Hα
and [O i]/Hα, with difference ∆ less than 0.1 dex at
log(U) . −2.0. At log(U) > −2.0, the differences rise
to ∆ ≈ 0.2 dex. For [O iii]/Hβ, the predictions from
two photoionization codes are close (∆ < 0.1dex) for
high ionization parameter log(U) & −3.0 and relatively
low metallicity (12 + log(O/H) . 8.7), but differ up to
∆ ≈ 0.2dex in regions with lower ionization parame-
ter or higher metallicity. The [S ii]/Hα ratio suffers the

most significant impact from the change of photoion-
ization code, with the difference between the two pre-
dictions ranging from ∆ ≈ 0.1 dex to ∆ ≈ 0.3 dex. The
large discrepancy in the theoretical [S ii] flux is expected
as the atomic database Stout adopts a ∼ 30% different
transition energy for SII compared with CHIANTI v10
(Kisielius et al. 2013).
Overall, the theoretical AGN models calculated by

MAPPINGS V and C17 with the same inputs present
a similar trend between emission line ratios, gas metal-
licity, and ionization parameters. Their discrepancies
in most theoretical emission line ratios are generally
around 0.1 dex, mainly affected by the physical processes
used in the photoionization codes. Although theoretical
emission lines that are additionally affected by atomic
data may have a larger discrepancy (up to∼ 0.3 dex), we
conclude that both photoionization codes, MAPPINGS
V and C17, provide similar predictions on the AGN
model with the same inputs. The choice of photoion-
ization code does not affect our results in the following
section. All AGN models presented in the following sec-
tions are calculated by MAPPINGS.

3.3. The Impact of Ionizing Radiation Fields

To investigate how the shape of the AGN spectrum
affects the theoretical AGN models, we compare the
AGN models built with different AGN radiation fields
on the standard optical diagnostic diagrams. In Fig-
ure 3, we compare four AGN models constructed with
the four AGN radiation fields shown in Figure 1. All
these models are dusty AGN models built with the non-
linear abundance file and isobaric structure with gas
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Figure 3. Comparison of AGN models built with four different AGN radiation fields on the standard optical di-
agnostic diagrams. Each model is presented with constant metallicity lines (from left to right: 12 + log(O/H) =
8.28, 8.43, 8.54, 8.70, 8.80, 8.96, 9.09, 9.16, 9.26) and constant ionization parameter lines (from bottom to up: log(U) =
−3.4,−3.0,−2.6,−2.2) at gas pressure log(P/k) = 7.0. The solid red, green, and blue grids represent AGN models using
OXAF ionizing spectra with fixed Γ = 2.0 and pNT = 0.15 and logEpeak/(keV) = −1.0,−1.25,−1.5 respectively. The solid
black grid shows the AGN model built with the CLOUDY default AGN radiation field. And the Red dashed grid represents
the latest version of the HII model (Li et al.2023, in prep) for a complete comparison with the observations. Optical spectra
for a large sample of galaxies from SDSS DR16 are presented with grey dots. The mean error bars are shown in the lower right
corner. In all three panels, the black solid curves are the Kewley et al. (2001) theoretical maximum starburst lines. In the left
panel, the black dashed curve is the Kauffmann et al. (2003) empirical maximum starburst line. The black dashed lines in the
right two panels are the Seyfert-LINER (low-ionization narrow emission-line regions) separation lines (Kewley et al. 2006).

pressure log(P/k) = 7.0 calculated by MAPPINGS. As
shown in Figure 7 and later discussion, AGN models
vary little on the standard optical diagnostic diagrams
as gas pressure goes below log(P/k) = 7.0. There-
fore we use log(P/k) = 7.0 as a representative pres-
sure value for AGN models here. We can see from Fig-
ure 3 that the CLOUDY default radiation field produces
AGN models that lie lower on the standard optical diag-
nostic diagrams than the OXAF radiation fields. With
the same gas metallicity and ionization parameter, the
AGN model that has higher peak energy in the BBB
component of the radiation field predicts higher emis-
sion line ratios of [N ii]/Hα, [S ii]/Hα, [O i]/Hα, and
[O iii]/Hβ. By comparing the models with the optical
spectra of Seyfert galaxies in Figure 3, we conclude that
logEpeak/(keV) = −1.25 AGN model can adequately
account for those Seyfert galaxies that have the high-
est [O iii]/Hβ ratios within a reasonable metallicity and
ionization parameter ranges. In contrast, AGN models
with lower Epeak in the radiation field fail to predict the
behavior of these highly ionized Seyfert galaxies. The
model with logEpeak/(keV) = −1.0 overestimates the
observed emission line ratios in all nearby Seyfert galax-
ies.
As an increase by 0.25 dex in the peak energy of the

BBB component in AGN radiation field can lead to
a ∼ 0.3 dex enhancement on all four emission line ra-
tios [N ii]/Hα, [S ii]/Hα, [O i]/Hα, and [O iii]/Hβ, we

caveat that the Epeak of the input AGN radiation field
into AGN photoionization model should be determined
appropriately before applying theoretical metallicity di-
agnostics for metallicity measurement in AGN regions
(Zhu et al. 2023b, in prep).

4. MODEL TESTING

To model the emission line spectra from an AGN-
excited interstellar medium in photoionization models,
settings on dust properties, element abundance, density
structure, and gas pressure are also required. In this
section, we investigate how these four factors affect the
behavior of theoretical AGN models on the standard op-
tical diagnostic diagrams and which parameters for each
factor can provide the closest prediction to the observed
optical spectra of AGNs.

4.1. Dust Properties

Whether to include dust in the AGN model is a
topic that has been debated for over a decade. Sup-
porting evidence for the dust-free model was pre-
sented by Nagao et al. (2003) and Nagao et al.
(2006). The former study compared dust-free and
dusty AGN models to the observed emission line ra-
tios [Fe vii]λ 6087/[Ne v]λ 3426 in 24 high-ionization
Seyfert 2 galaxies (log(U) & −2.0), concluding that iron
is not depleted by dust in the narrow-line regions of these
galaxies, and thus a dust-free model should be preferred.
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Figure 4. Comparison of dust-free (DF) AGN model (dashed lines) and dust-depleted (DN) AGN model (solid lines) on
the standard optical diagnostic diagrams. To isolate the effect from the AGN radiation field, four sets of dust-free and dusty
AGN models are presented from top to bottom panels using CLOUDY default radiation field (called ‘Cagn’), OXAF radiation
field with logEpeak = −1.5,−1.25,−1.0, respectively. Each model is presented with constant metallicity lines (from left to
right: 12 + log(O/H) = 8.00, 8.28, 8.43, 8.54, 8.70, 8.80, 8.96, 9.09) and constant ionization parameter lines (from bottom to up:
log(U) = −3.4,−3.0,−2.0) at gas pressure log(P/k) = 7.0. Optical spectra for a large sample of galaxies from SDSS DR16 are
presented with grey dots. The mean error bars are shown in the lower right corner. In all three panels, the black solid curves are
the Kewley et al. (2001) theoretical maximum starburst lines. In the left panel, the black dashed curve is the Kauffmann et al.
(2003) empirical maximum starburst line. The black dashed lines in the right two panels are the Seyfert-LINER (low-ionization
narrow emission-line regions) separation lines (Kewley et al. 2006).
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The latter study performed a similar comparison on the
UV emission line ratios [C iii]λ1909/[C iv]λ1549 and
[C iv]λ1549/[He ii]λ1640 observed in the narrow-line
regions of 51 high−z radio galaxies, 9 type-2 QSOs, and
9 Seyfert 2 galaxies, finding that AGN model including
dust grains fails to predict the majority of observations,
unlike the dust-free AGN model.
The powerful radiation field generated by the AGN

has been largely believed to be inimical to the survival of
dust in the vicinity of AGN. However, direct evidence of
the presence of dust in the narrow-line region of AGNs
is found in resolved observations (e.g. Laor & Draine
1993; Radomski et al. 2003). For instance, Radomski
et al. (2003) studied the resolved mid-infrared image of
NGC4151 and found that dust is the most likely expla-
nation for the observed extended mid-IR emission. More
recently, a hot dust ring has been discovered in the vicin-
ity of the black hole at a radius that was thought to be
evaporated by the central radiation (Gámez Rosas et al.
2022). Besides, the inclusion of dust is not the only fac-
tor that can impact the AGN model. As we show in the
following subsections, both abundance scaling relations
and density structure can significantly affect predictions
of the AGN model.
We carefully compare the dust-free AGN model and

the dusty AGN model calculated with MAPPINGS V.
We use the same settings on element abundance and
density structure to build a dust-free model and a dusty
model. We found the combination of non-uniform abun-
dance scaling relations and isobaric density structure
provides the closest predictions to observations in the
AGN model. In the dusty model, dust formation will de-
plete the heavy elements from the surrounding gas, espe-
cially for those with a higher condensation temperature,
and thus change the abundance of heavy elements. The
depletion factors are adopted from Thomas et al. (2018),
which is derived from Jenkins (2009) where iron is 97.8%

depleted. The dust destruction process is not consid-
ered, as the charge of dust grains is too low (q < 5V )
to activate dust destruction (q ≈ 100V ) in these AGN
radiating regions.
In Figure 4, we present our dust-free AGN model

and dusty AGN model built with four different AGN
radiation fields on the standard optical diagnostic di-
agrams, compared with the optical data from SDSS
DR16. Each model is presented by a grid consisting
of constant metallicity and ionization parameter lines.
As shown in Figure 4, both models provide very simi-

lar predictions at low metallicity (12+log (O/H) < 8.7).
However, at 12 + log (O/H) > 8.7, the metallicity sensi-
tive line ratios [N ii]/Hα, [S ii]/Hα, and [O i]/Hα only
vary a little in the dust-free models. In contrast, these

line ratios continue to increase with metallicity in the
dusty model. At 12 + log (O/H) = 9.0, the predictions
on [N ii]/Hα, [S ii]/Hα, and [O i]/Hα from dust-free
models are in general 0.3dex lower than the the values
from dusty models. At 12 + log (O/H) = 9.2, the differ-
ence increases to 0.5 dex.
By comparing with the observed optical spectra of

Seyfert galaxies, we find a significant fraction of Seyfert
galaxies exceed the maximum [N ii]/Hα, [S ii]/Hα, and
[O i]/Hα values predicted by dust-free models, but still
can be reasonably accounted for by the dusty mod-
els. For the Seyfert galaxies that have lower metallicity
12 + log (O/H) < 8.7, both dust-free and dusty models
give similar predictions for the model spectra. Given the
fact that dust-free models fail to predict the observed
[N ii]/Hα, [S ii]/Hα, and [O i]/Hα ratios of Seyfert
galaxies that have high metallicity 12+log (O/H) > 8.7,
we conclude that dust depletion is likely to be a vital fac-
tor in ensuring reliable model at high metallicity regions
and should be taken into account in the AGN model.
Our finding agrees with Dopita et al. (2002) and Groves
et al. (2004a).

4.2. Abundance Set

An abundance set provides information on the rela-
tive abundance for all primary nucleosynthetic elements
(the lightest 30 elements) to the abundance of hydro-
gen. It usually consists of a standard abundance refer-
ence and abundance scaling relations characterizing how
the relative abundance for the other 29 elements change
with hydrogen when the total metallicity changes. The
abundance set is a crucial input as it can directly affect
the relative abundance of elements and thus change the
emission line ratios predicted by AGN models.
In the previous nebula photoionization models, a gen-

eral solution for the abundances set is to adopt solar
abundances as the standard abundance reference and
linearly scale the abundance of all elements based on
the total metallicity to solar metallicity ratio, except for
helium and nitrogen. Although the sun is the star with
the most accurate stellar atmosphere abundance mea-
surements, solar abundances have their shortcomings:
(i) there are elements that are not directly detected or
only marginally detected in the solar atmosphere (F,
Cl, Ne, Ar); (ii) He and Li are evolved in solar activity
and thus their photosphere abundances do not necessar-
ily reflect their protostar values; (iii) The abundance of
oxygen, a crucial element for nebular physics, is difficult
to measure in the solar spectrum, and the values pro-
vided by different measurements varied by a factor of
∼ 2 (Asplund et al. 2009).
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Figure 5. Comparison of AGN models built with different N/O−O/H scaling relations (solid blue for ‘NHlow’ and red dashed
for ‘NHhigh’) on the standard optical diagnostic diagrams. Each model is presented with constant metallicity lines (from left to
right: 12 + log(O/H) = 8.28, 8.43, 8.54, 8.70, 8.80, 8.89, 8.96, 9.02) and constant ionization parameter lines (from bottom to up:
log(U) = −3.8,−3.4,−3.0,−2.6,−2.2,−1.0) at gas pressure log(P/k) = 7.4. Both AGN models are dusty models with isobaric
structure, non-uniform abundance sets, and logEpeak = −1.25 OXAF radiation field calculated by MAPPINGS V. Optical
spectra for a large sample of galaxies from SDSS DR16 are presented with grey dots. The mean error bars are shown in the
lower right corner. In all three panels, the black solid curves are the Kewley et al. (2001) theoretical maximum starburst lines.
In the left panel, the black dashed curve is the Kauffmann et al. (2003) empirical maximum starburst line. The black dashed
lines in the right two panels are the Seyfert-LINER (low-ionization narrow emission-line regions) separation lines (Kewley et al.
2006).

Recently, Nicholls et al. (2017) provided a set of more
realistic abundance scaling relations by studying the ex-
tensive stellar abundance data in the Milky Way. In-
stead of using solar abundance as a reference standard,
they use the ‘Cosmic Abundance Standard’ proposed by
Nieva & Przybilla (2012), based on the average abun-
dance over 29 local B stars in the Milky Way. In the
‘Cosmic Abundance Standard’, Nieva & Przybilla (2012)
provides abundances for the eight most important nebu-
lar elements, He, C, N, O, Ne, Mg, Si, and Fe. For com-
pleteness of the standard abundance reference, Nicholls
et al. (2017) extended the set to include the best esti-
mation from meteoritic and the most recent solar abun-
dances. Table 1 of Nicholls et al. (2017) shows the as-
sembled standard abundance reference.
For abundance scaling relations, Nicholls et al. (2017)

introduces a parametric enrichment factor ζ to charac-
terize how atomic abundance scales with total abun-
dance, which can be transferred into scales with a spe-
cific reference element such as oxygen or iron. With the
extensive Milky Way stellar abundance data, they de-
rived a set of non-uniform scaling relations for nebular
modeling, which have been proved to significantly im-
prove the behavior of HII models on the BPT diagram
(Nicholls et al. 2017; Thomas et al. 2018).
Despite the improvements in abundance scaling rela-

tions for most elements, disagreement on the N/O−O/H
scaling relation remains among different modelers. The

enrichment of nitrogen originates from two sources: a
primary source that produces nitrogen through core-
collapse supernovae in the native gas cloud (van Zee
et al. 1998a) and a secondary source from the delayed
nucleosynthesis in hot-bottom burning and dredge-up in
intermediate-mass stars (Renzini & Voli 1981). While
the primary source contributes to a constant ratio of
nitrogen to oxygen (N/O) abundance with increasing
oxygen abundance, the secondary nitrogen enrichment
source starts to dominate from a particular oxygen
abundance and leads to a rapidly growing N/O as oxy-
gen abundance increases.
Although consensus is reached on the two-phase ni-

trogen enrichment scenario, at what oxygen abundance
the secondary source of nitrogen starts to dominate
and how quickly it enriches the nitrogen abundance
are still under discussion. There are two frequently
used log(N/O)− log(O/H) relations in nebula modeling.
We called them ‘NHlow’ and ‘NHhigh’ scaling relations
based on their secondary nitrogen enrichment speed.
The ‘NHlow’ scaling relation is built with only stellar
abundance data to avoid contamination from planetary
nebulae that are hard to distinguish in low resolution
data. The secondary component in the ‘NHlow’ scaling
relation ensures that the N/O ratio increases linearly
with the oxygen abundance O/H. This results from ni-
trogen being a secondary element generated from the
CNO cycle and its formation via the C and O already
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present in the star (Renzini & Voli 1981; van Zee et al.
1998b). By fitting only the stellar abundance data,
a transition oxygen abundance between primary and
secondary components at 12 + log(O/H) ≈ 8.2 is ob-
tained (Groves et al. 2004a; Gutkin et al. 2016; Nicholls
et al. 2017). The ‘NHhigh’ scaling relation is derived
by adopting the best-fit log(N/O)− log(O/H) relation to
nebula abundance data without assuming a fixed slope
in advance, which results in a slope of 1.29 and a tran-
sition oxygen abundance at 12 + log(O/H) ≈ 8.0 (Dors
et al. 2017; Pérez-Montero et al. 2019; Carvalho et al.
2020). Both ‘NHlow’ and ‘NHhigh’ scaling relations are
presented in the following equations, with equation (11)
(Nicholls et al. 2017) valid for 6.0 . (12 + log(O/H)) .
9.2 and equation (12) (Carvalho et al. 2020) valid for
8.0 . (12 + log(O/H)) . 9.0.

‘NHlow’ : log(N/O) = log(10−1.732 + 10[log(O/H)+2.19]) (11)

‘NHhigh’ : log(N/O) = 1.29× (12 + log(O/H))− 11.84 (12)

Between the two N/O−O/H relations ‘NHlow’ and
‘NHhigh’, the difference in the N/O ratio at high metal-
licity end (12 + log(O/H) ≈ 9.0) can be as large as
∼ 0.4 dex, which will lead to a ∼ 0.4 dex discrep-
ancy in the predicted intensity of the nitrogen emission
lines. This effect will pass on to line ratios that in-
clude nitrogen emission line, such as [N ii]λ6584/Hα
and [N ii]λ6584/[O ii]λ3727 which are frequently used
as metallicity diagnostics. In Figure 5, we present
two AGN models using all the same settings but the
two different nitrogen scaling relations (‘NHlow’ and
‘NHhigh’ respectively) on the standard optical diag-
nostic diagrams, compared with the optical spectra of
Seyfert galaxies. As shown in Figure 5, the AGN model
built with the ‘NHhigh’ relation overall predicts higher
[N ii]λ6584/Hα than the AGNmodel built with ‘NHlow’
relation. The discrepancy between the two models on
[N ii]λ6584/Hα is ∼ 0.2 dex at 12 + log(O/H) ≈ 8.0,
and increases to ∼ 0.5 dex when the metallicity reaches
12 + log(O/H) ≈ 9.1. As for [S ii]/Hα and [O i]/Hα,
the difference between two models are much smaller, at
< 0.1 dex.
Understanding the impact that different nitrogen

abundance scaling relations can cause on nebula model-
ing is essential. Nevertheless, it is hard to decide on a
uniform N/O−O/H relation for all AGN regions, as the
N/O−O/H relation in the real environment can change
for many reasons. For example, delayed nucleosynthesis
in intermediate-mass stars in the star formation history

of a galaxy can shift the transition oxygen abundance in
N/O−O/H relation. The presence of Wolf-Rayet stars
can also contribute to rapid nitrogen enrichment. There-
fore, AGN regions with more Wolf-Rayet stars formed
over their history can intrinsically have smaller tran-
sition oxygen abundances in their N/O−O/H relations
than other AGN regions.
Given the strong correlation between nitrogen emis-

sion line intensity and the secondary nucleosynthetic
component of the N/O−O/H relation, as well as its de-
pendence on the star formation history of the galaxy, we
decide not to make an arbitrary assumption on which
N/O−O/H relation is more suitable in AGN models.
Instead, we adopt two versions of the AGN model that
use ‘NHhigh’ and ‘NHlow’ N/O−O/H relations, respec-
tively. As most of the stellar abundance data and neb-
ula abundance lie between the ‘NHhigh’ and ‘NHlow’
relations, the predictions from the two versions of AGN
models can place an upper limit and a lower limit for
reference on the nitrogen emission line flux observed in
AGNs. For readers who wish to use nitrogen emission
lines to estimate gas metallicity based on theoretical
strong line diagnostics, we caveat that the N/O−O/H
relation in the model should be carefully determined
in advance based on the class of objects to which the
nitrogen-based diagnostics are applied.

4.3. Density Structure

A density structure must be chosen in nebula mod-
eling to decide the model structure. One frequently
used density structure is the isochoric model (e.g. Feltre
et al. 2016; Carvalho et al. 2020), which assumes con-
stant density in the photoionization region. However,
constant-density photoionization models have difficulty
reproducing the strong coronal lines observed in the
NLRs of some Seyfert galaxies (see Groves et al. 2004b),
which requires large ionization parameters and high ra-
diation pressure environments (Binette et al. 1996). The
assumption that NLRs have a constant density struc-
ture is also violated by observations. Using far-IR fine-
structure lines for 170 local Seyfert galaxies, Fernández-
Ontiveros et al. (2016) found evidence of the presence of
a stratification of gas density in the emission regions of
these galaxies.
The most successful solution to this problem by far is

to adopt a radiative pressure-dominated isobaric model
as the density structure (Dopita et al. 2002). The ra-
diative pressure-dominated isobaric model can account
for the presence of strong coronal lines and address the
non-gravitational motions observed in the gas dynam-
ics of the photoionized region within the NLR. In this
model, the sum of radiative pressure and gas pressure
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Figure 6. Comparison of logEpeak = −1.5 dusty AGN model using radiation pressure dominated isobaric struc-
ture and isochoric structure, respectively. Each model is presented with constant metallicity lines (from left to right:
12 + log(O/H) = 8.28, 8.43, 8.54, 8.70, 8.80, 8.89, 8.96, 9.02) and constant ionization parameter lines (from bottom to up:
log(U) = −3.8,−3.4,−3.0,−2.6,−2.2,−1.8) at gas pressure log(P/k) = 7.0 (isobaric model, in solid blue) or at hydrogen
density nH = 1000cm−3 (isochoric model, in red dashed). ‘NHlow’ nitrogen scaling relation is adopted in these models. Optical
spectra for a large sample of galaxies from SDSS DR16 are presented with grey dots. The mean error bars are shown in the
lower right corner.

remains constant within the photoionized region. It was
suggested that using a radiative pressure-dominated iso-
baric structure in the photoionization model can provide
more reasonable predictions than the standard isobaric
and isochoric models for the emission-line spectra of the
NLRs in Seyfert galaxies (Groves et al. 2004b,a).
Figure 6 presents the isochoric AGN model and the

radiative pressure-dominated isobaric AGN model on
the standard optical diagnostic diagrams to test their
predictions with optical spectra of Seyfert galaxies.
Both AGN models are dusty models with non-uniform
abundance sets with ‘NHlow’ scaling relation and a
logEpeak = −1.5 OXAF radiation field calculated by
MAPPINGS V. With the assumption that the temper-
ature in NLR is T ≈ 104 K, we set the gas pressure
in the isobaric AGN model to be log(P/k) = 7.0 and
the hydrogen density in isochoric AGN model to be
nH = 1000 cm−3 for a comparable test (given the defi-
nition of gas pressure P ∼ nHkT in an ideal gas).
As shown in Figure 6, the isochoric model and the

radiative pressure-dominated isobaric model in gen-
eral provide close predictions of [N ii]/Hα, [S ii]/Hα,
[O i]/Hα, and [O iii]/Hβ, with discrepancy < 0.1 dex.
Exceptions are the theoretical ratios of [S ii]/Hα and
[O i]/Hα when ionization parameter exceeds log(U) ≈
−2.0, where the isochoric AGN model predicts ∼ 0.2 −
0.4 dex higher ratios than radiative dominated isobaric
AGN model. Here we conclude that both the isochoric
model and radiative pressure-dominated isobaric model
can provide reasonable and similar predictions on the
standard optical diagnostic diagrams. The Compari-

son of ‘NHhigh’ AGN models gives the same conclusion.
Given that the isochoric model failed to explain the ex-
istence of strong coronal lines in NLRs, we adopt the
radiative pressure-dominated isobaric model in the re-
mainder of this paper.

4.4. Gas Pressure

The initial gas pressure is considered a preset param-
eter in the isobaric AGN model. Here we investigate
how the value of initial gas pressure log(Pgas/k) can af-
fect the predictions on emission line ratios used in the
standard optical diagnostic diagrams. As shown in Fig-
ure 7, at log(Pgas/k) < 7.0, [N ii]/Hα, [S ii]/Hα, and
[O i]/Hα are independent of the initial gas pressure.
At log(Pgas/k) > 7.0, [S ii]/Hα decrease ∼ 0.1 dex
when log(Pgas/k) increase ∼ 0.8 dex, while [O i]/Hα
and [O iii]/Hβ increase at a similar rate.
The emission line ratios used in the standard optical

diagnostic diagrams have a much stronger dependence
on metallicity and ionization parameters than the initial
gas pressure, which is an essential property of metal-
licity and ionization parameter diagnostics. Neverthe-
less, the effect from gas pressure should be considered at
log(Pgas/k) > 7.0, as a ∼ 0.8 dex change in log(Pgas/k)

can lead to ∼ 0.1 dex or even more variation in the pre-
dicted emission line ratios (see Zhu et al. (2023b, in
prep) for more discussion).

5. Z-Q DIAGNOSTIC DIAGRAM

Once the dust properties, element abundance, and
density structure are determined in photoionization
models, the emission-line spectra in the NLR of AGNs
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Figure 7. Dusty logEpeak = −1.25 isobaric AGN models with different gas pressure log(P/k) = 5.0, 7.0, 7.8, 8.6 shown in
yellow, red, green, and blue grids on the standard optical diagnostic diagrams. Each model is presented with constant metallicity
lines (from left to right: 12 + log(O/H) =8.28, 8.43, 8.70, 8.89, 9.02) and constant ionization parameter lines (from bottom to
up: log(U) = −3.8,−3.4,−3.0,−2.2). ‘NHlow’ nitrogen scaling relation is adopted in these models. Optical spectra for a large
sample of galaxies from SDSS DR16 are presented with grey dots. The mean error bars are shown in the lower right corner.

are directly related to the metallicity, ionization param-
eter, and gas pressure in the photoionized region as well
as the shape of the ionizing radiation field. For star-
forming regions, it was found that some emission line ra-
tios present exclusive dependence on the gas metallicity
([N ii]/[O ii]), ionization parameter ([O iii]/[O ii]) and
gas pressure ([S ii]/[S ii]), making them good diagnostics
for observations interpretations (see Kewley et al. (2019)
for a review). For AGN regions, it is also suggested that
[N ii]/Hα (Carvalho et al. 2020) and [N ii]/[O ii] (Castro
et al. 2017) present strong dependence on gas metallicity.
The [O iii]/[O ii] ratio is also proposed as an ionization
indicator by Groves et al. (2004a).
We construct AGN diagnostic diagrams with

metallicity-sensitive (Z) line ratios and ionization-
sensitive (Q) line ratios as the x and y axes, respectively.
This section examines our selected AGN model on

the Z-Q diagnostic diagrams. We also extend our ex-
amination to infrared and UV wavelengths. Here we
only present diagnostic diagrams that have observa-
tional data to compare against, to provide a test of the
models. By comparing with the observations of Seyfert
galaxies in Section 2, we test the predictions of our AGN
model across a broad range of wavelengths. HII models
and observations of star-forming galaxies are also pre-
sented (when available) for searching potential AGN-HII
separation diagrams.

5.1. Optical Diagnostic Diagrams

We present a set of diagnostic diagrams in Figure 8
and Figure 9 to examine our AGN models and their po-
tential to determine the metallicity and ionization prop-
erties of AGN. We present AGN models built with the

four different radiation fields introduced in Section 3.1,
together with the HII model, to show the difference be-
tween these two mechanisms. We also consider the ef-
fect of gas pressure by adding an arrow on the diagram
to present the impact on both line ratios introduced
by the change in gas pressure. As discussed in Sec-
tion 4.2, AGN models built with ‘NHlow’ and ‘NHhigh’
N/O−O/H scaling relations are presented in each dia-
gram. Optical spectra for galaxies in SDSS DR16 are
presented for model testing, applying a higher S/N ra-
tio (S/N≥5) to reduce the scatter in the [Ne iii]/[O ii]
ratio.
As shown in Figure 8, the AGN models generally

accommodate on the optical Seyfert spectra for the
[NII]/Ha and [NII]/[OII] ratios. By adjusting gas pres-
sure, the AGN models can predict those data lying out-
side the upper right corner of our model grids. We also
notice some Seyfert observations that can only be pre-
dicted by the ‘NHhigh’ AGN model. These could be
the Seyferts that intrinsically have higher nitrogen-to-
oxygen abundance. This hypothesis can be tested with
measurements of their star formation history.
Figure 8 and Figure 9 reveal that the change in radi-

ation field has a more significant impact on metallicity-
sensitive line ratios (∼ 0.5 dex at the high metallic-
ity end) than ionization parameter-sensitivity line ratios
(∼0.1 dex for [OIII]/[OII], ∼ 0.3 dex for [NeIII]/[OII] at
low ionization parameter end). The effect of gas pressure
changing from log(P/k) = 7.0 to log(P/k) = 8.2 is . 0.3

dex. Last but not least, the effect of the N/O abundance
ratio can be as large as ∼ 0.6 dex on [N ii]/[O ii]. This
effect becomes smaller for [N ii]/Hα (∼ 0.3 dex) and can
be neglected for other line ratios that do not include ni-
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Figure 8. Optical diagnostic diagrams for AGN regions and HII regions. Dusty, isobaric AGN models with different N/O−O/H
scaling relations (‘NHlow’ in solid lines and ‘NHhigh’ in dash lines), different radiation fields (from top to bottom panels:
‘Cagn’, logEpeak = −1.5,−1.25,−1.0) are presented in black grids that consist of constant metallicity lines (from left to
right: 12 + log(O/H) = 8.00, 8.28, 8.43, 8.70, 8.89, 9.02, 9.26) and constant ionization parameter lines (from bottom to top:
log(U) = −3.4,−3.0,−2.6,−2.2) at gas pressure log(P/k) = 7.4. The black arrow in the upper right corner represents the
average effect of gas pressure when it changes from log(P/k) = 7.4 to log(P/k) = 8.2. HII model is shown with a red grid
that consists of constant metallicity lines (from left to right: 12 + log(O/H) = 7.75, 8.15, 8.43, 8.63, 8.76, 8.85, 8.94, 9.00, 9.10)
and constant ionization parameter lines (from bottom to top: log(U) = −3.75,−3.5,−3.25,−3.0,−2.75,−2.5) at gas pressure
log(P/k) = 5.4. The red arrow in the upper right corner represents the average effect of gas pressure when it changes from
log(P/k) = 5.4 to log(P/k) = 7.4. Optical spectra for galaxies with S/N≥5 from SDSS DR16 are presented with colors reflecting
their classifications: red dots stand for HII galaxies, black dots stand for Seyfert galaxies, and blue dots stand for composite
galaxies. The mean error bars for all galaxies are shown in the lower right corner.
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trogen lines. These effects highlight the importance of
parameter degeneracy. Parameter degeneracy should be
carefully reviewed when applying metallicity and ioniza-
tion parameter diagnostics for AGN regions (see Paper
II for further discussion).

5.2. Ultraviolet Diagnostic Diagrams

Observations at the ultraviolet (UV) wavelengths are
becoming more observable in the distant universe, es-
pecially with JWST, as a result of rest-frame UV emis-
sion lines being shifted to the infrared. Because shocks
generally present stronger low excitation UV forbidden
lines than HII regions. AGN UV diagnostic diagrams
are potential tools for excitation source separation be-
tween star-forming regions, AGN regions, and shocks
(Groves et al. 2004a; Sutherland & Dopita 2017; Dopita
& Sutherland 1995).
At UV wavelengths, three frequently used strong

line diagnostics are [C iv]λ 1549/[C iii]λ 1909
(an ionization parameter diagnostic), as
well as [C iv]λ 1549/[He ii]λ 1640 and
[C iii]λ 1909/[He ii]λ 1640 (metallicity diagnostics).
These three line ratios were first explored by Villar-
Martin et al. (1997) in the case of high−z radio galax-
ies. Here we adopt the [C iv]/[C iii]−[C iv]/[He ii]
diagram, replace the [C iii]/[He ii] line ratio with
C43/[He ii](suggested by Dors et al. 2019) (C43 is the
sum of [C iii]λ 1909 and [C iv]λ 1549), and add another
metallicity sensitive line ratio [N v]λ 1240/[He ii]λ 1640
(suggested by Nagao et al. 2006) to build our UV diag-
nostic diagram, as presented in Figure 10. We explore
AGN models with different radiation fields, the effect
of gas pressure, and the impact of different N/O−O/H
scaling relations. The HII model is also presented when
applicable. For comparison with observations, we also
include the UV observations introduced in Section 2.2.
In general, our AGN models can predict the observa-

tions of Seyfert galaxies both nearby and in the high−z
universe. It is striking that almost all Seyfert data lie
at the lower right corner of AGN model grids, which
suggests that these data, on average, have much higher
ionization parameters (log(U) ≈ −1.0) than those ob-
served in SDSS optical data (log(U) . −2.0). This
phenomenon is consistent with the findings of the pre-
vious studies Nagao et al. (2006) and Dors et al. (2019).
Among the 9 local Seyfert galaxies in our UV sample,
7 have IR observations in Fernández-Ontiveros et al.
(2016) and 5 have optical observations in the SDSS
DR14 or the Siding Spring Southern Seyfert Spectro-
scopic Snapshot Survey (S7) database (Dopita et al.
2015; Thomas et al. 2017). For these galaxies, obser-
vations at infrared and optical wavelengths are consis-

tent with UV observations, suggesting a high ionization
parameter (log(U) ≈ −1.0) by comparing with the IR
and optical diagnostics we developed based on our AGN
model (for diagnostics, see Zhu et al. 2023b, in prep).
We also find that all 7 galaxies that have IR observa-
tions are classified as ‘S1h’ in Fernández-Ontiveros et al.
(2016) instead of ‘S2’, due to the presence of broad line
components in their IR spectra. This suggests that the
higher ionization parameters of these Seyfert galaxies
could be a result of being contaminated by the emissions
from broad-line regions. Further information is needed
to determine what causes this distinction between op-
tical and UV observations. Specifically, galaxies with
both optical and UV data covering a broad wavelength
range are needed to test the reliability of these new UV
diagnostics.
Figure 10 shows that the AGN model built with the

hardest radiation field (logEpeak =-1.0) performs better
in predicting most of the observations than other Epeak
values. This suggests that, if not all, most of the ob-
served AGNs have relatively hard radiation fields. We
also note that the effect of gas pressure on these UV
line ratios is less (. 0.2 dex) than in the optical band.
The impact of different N/O−O/H scaling relations is
mostly on the [N v]/[He ii] ratio, where a significant
fraction of the observed Seyferts can only be predicted
by the ‘NHhigh’ AGN model.
Together with the HII model, we find that

both [C iv]/[C iii]−[C iv]/[He ii] diagram and
C43/[He ii]−[C iv]/[He ii] diagram have well separated
HII and AGN models. Optical and UV spectroscopic
observations of AGN, and UV observations for HII re-
gions are needed to test the ability of these diagrams to
serve as excitation diagnostic tools at UV wavelengths.

5.3. Infrared Diagnostic Diagrams

To obtain reasonable predictions at infrared wave-
lengths, dust should be carefully treated and accounted
for in AGN models, which a dust-free model can never
do. After a broad investigation of the line ratios in
the infrared, we select [S iv]λ 10.5µm/[S iii]λ 18.7µm

as a potential ionization parameter sensitive
line ratio, together with three metallicity sensi-
tive line ratios [Ne ii]λ 12.8µm/[Si ii]λ 34.8µm,
[S iii]λ 33.5µm/[Si ii]λ 34.8µm, and [N iii]λ 57µm

/[O iii]λ 52µm to build our infrared diagnostic dia-
grams, as presented in Figure 11. Similar to the study
in optical and UV bands, we explore AGN models with
different radiation fields, the effect of gas pressure, and
the impact of different N/O−O/H scaling relations. The
HII-region models are also presented. For comparison,
we collect the latest infrared observations via Spitzer for
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Figure 9. Same as Figure 8 but adopting [Ne iii]/[O ii] as the ionization parameter diagnostic.
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Seyfert 2 galaxies and HII regions (See the introduction
in Section 2.3).
As shown in Figure 11, we find that AGN mod-

els built with OXAF radiation fields (logEpeak =

−1.5,−1.25,−1.0) can all predict most of the Seyfert
2 observations on the [S iv]/[S iii] and [Ne ii]/[Si ii]
diagram. On the [S iv]/[S iii] and [S iii]/[Si ii] dia-
gram, observations of Seyfert 2 galaxies are best fit-
ted by AGN models with the hardest radiation field
(logEpeak = −1.0). All four AGN models can reason-
ably predict Seyfert 2 galaxies on the [S iv]/[S iii] and
[N iii]/[O iii] diagram. But the lack of observations
on the [N iii]/[O iii] ratios prevents us from using this
diagram for model examination. Overall, we conclude
that the AGN model with logEpeak = −1.0 is the best-
fit model according to the infrared diagnostic diagrams.
The AGN model with the CLOUDY default radiation
field systematically predicts a lower [S iv]/[S iii] ratio
compared to both observations and other AGN models.
At infrared wavelengths, a harder AGN radiation field

does not always result in higher emission line ratios, such
as [S iv]/[S iii] and [S iii]/[Si ii] in the diagrams. Despite
the non-monotone dependence, the change in these line
ratios introduced by different AGN radiation fields is at
most . 0.5 dex. The other two line ratios are almost
independent of the hardness of the AGN radiation field.
The effect of gas pressure is of similar importance, which
can change all metallicity-sensitive line ratios up to ∼
0.3 dex. The impact from different N/O−O/H scaling
relations is only present in the nitrogen-based line ratio.
Together with the HII model, we find that both AGN

and HII models match relatively well with the observed
data. However, because of the considerable overlap be-
tween the two models on these diagrams, it is hard to
distinguish HII regions and AGN regions simply from
these infrared diagnostic diagrams. Further exploration
of theoretical models and multi-wavelength data cover-
ing a broader wavelength range sets are required to iden-
tify a well-performing HII−AGN separation diagram in
the infrared.

6. DISCUSSION

With the aim of obtaining a reliable AGN model for
emission line studies, we have explored a wide range of
factors that can affect the predictions of AGN models,
including AGN radiation fields, photoionization code,
the presence of dust, element abundance, model density
profile, as well as gas pressure, metallicity, and ioniza-
tion parameter. By comparing the model predictions
with observations at UV, optical, and IR wavelengths,
we show that the dusty, radiation pressure-dominated
isobaric AGN model provides the best prediction of ob-

served Seyfert galaxies, with some scatter caused by the
non-uniform hardness of the AGN radiation field and
different nitrogen to oxygen abundance ratios.
We use our best-fit AGN models with HII-region mod-

els to explore the model behavior on UV, optical, and in-
frared diagnostic diagrams where we have observational
constraints from data in the literature. We find that the
majority of AGN and HII models match remarkably well
with observations in optical, UV, and IR wavelengths.
We find two potential HII−AGN separation diagrams
in the UV band, the [C iv]/[C iii]−[C iv]/[He ii] and
C43/[He ii]−[C iv]/[He ii] diagrams, which require fur-
ther testing with future data.
AGN modeling is essential for theoretical metallicity

diagnostics for AGN regions. Studies on AGN diag-
nostics are relatively lacking compared to the rich in-
vestigations on strong line diagnostics for HII regions
(for published AGN metallicity diagnostics, see Storchi-
Bergmann et al. 1998; Nagao et al. 2006; Feltre et al.
2016; Castro et al. 2017; Carvalho et al. 2020). The
main difficulty for an extensive diagnostics search is a
consistent AGN model that can provide reasonable pre-
dictions across a broad range of wavelengths. In a future
paper, we will investigate the use of our AGN models to
determine the metallicity in AGN galaxies.
The AGN model also enables the study of mixing

mechanisms in composite galaxies. While researchers
usually classify galaxies into star-forming galaxies,
Seyferts, and LINERs based on the standard optical
diagnostic diagrams, some galaxies contain more than
one excitation mechanism. For example, NGC253 and
NGC1365 are found to present both star formation and
AGN activities by Sharp & Bland-Hawthorn (2010). In
2014, Davies et al. (2014a) confirmed NGC7130 as a
starburst-AGN mixed galaxy and estimated that AGN
activity contributes ∼ 35% of the Hα luminosity in this
galaxy. Galaxies with mixing excitation sources are also
identified in Rich et al. (2011, 2014); D’Agostino et al.
(2019); Cairós et al. (2022).
For composite galaxies, instead of arbitrarily assigning

them as star formation dominated galaxies or AGN dom-
inated galaxies or others, it is more valuable to estimate
the emission line contributions from star-forming excita-
tion, AGN excitation, and other excitation mechanisms.
For example, the Hα emission line is frequently used in
determining the star formation rate (SFR) of a galaxy.
However, as we can see from our AGN model, AGN ex-
citation can also contribute to Hα emission, which can
significantly affect the SFR measurement in a compos-
ite galaxy (up to 40% in NGC 7130 and NGC 2410;
Davies et al. (2014a,b)) even if it is dominated by star
formation. More recently, Cairós et al. (2022) used stan-
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Figure 10. UV diagnostic diagrams for AGN regions and HII regions. Dusty, isobaric AGN models with different N/O−O/H
scaling relations (‘NHlow’ in solid lines and ‘NHhigh’ in dash lines), different radiation fields (from top to bottom panels:
‘Cagn’, logEpeak = −1.5,−1.25,−1.0) are presented in black grids that consist of constant metallicity lines (from left to
right: 12 + log(O/H) = 8.00, 8.28, 8.43, 8.70, 8.89, 9.02, 9.26) and constant ionization parameter lines (from top to bottom:
log(U) = −3.8,−3.4,−3.0,−2.6,−2.2,−1.0) at gas pressure log(P/k) = 7.4. The black arrow in the upper right corner represents
the average effect of gas pressure when it changes from log(P/k) = 7.4 to log(P/k) = 8.2. HII model is shown with a red grid
that consists of constant metallicity lines (from left to right: 12+log(O/H) = 7.75, 8.15, 8.43, 8.63, 8.76, 8.85, 8.94, 9.00, 9.10) and
constant ionization parameter lines (from top to bottom: log(U) = −3.5,−3.25,−3.0,−2.75,−2.5) at gas pressure log(P/k) =
5.4. The red arrow in the upper right corner represents the average effect of gas pressure when it changes from log(P/k) = 5.4
to log(P/k) = 7.4. UV spectra for local Seyfert 2 galaxies, Type2 quasars, and high−z radio galaxies are collected from Dors
et al. (2019) and presented with hollow blue squares, solid grey dots, and solid grey squares. The blue arrows at the upper-left
corner in the top three diagrams indicate the AV = 5.0mag dust extinction correction for the UV observations.
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dard optical diagnostic diagrams and found ∼ 37% Hα
luminosity in the blue compact galaxy Haro 14 is con-
tributed by mechanisms other than OB-star photoion-
ization, which will overestimate the total star formation
rate by a factor of ∼ 1.6. This mixing effect will occur
whenever emission lines are used to interpret the prop-
erties of composite galaxies.
The most popular methods used to calculate AGN and

star-forming contributions are identifying an AGN-star
formation mixing sequence on the BPT diagram. With
the pure AGN basis point and pure star formation basis
point empirically selected on the BPT diagram, a mix-
ing sequence can then be built to interpret the fractions
of different mechanisms for composite galaxies based on
their location on the mixing sequence (e.g. Wild et al.
2010; Davies et al. 2016; Husemann et al. 2019; Molina
et al. 2023). However, as pointed out by Davies et al.
(2016), for galaxies that only have mixed spectra and
without ‘pure’ spectra, the identification of mixing se-
quence is arbitrary and the measurement of excitation
fractions could have a systematic offset and a larger scat-
ter.
Fortunately, a reliable AGN model can help to solve

this problem. Using the AGN model together with the
HII model, a theoretical mixing sequence can be pro-
duced in the standard optical diagnostic diagrams or
other diagnostic diagrams (for example, see D’Agostino
et al. 2018). With the pure basis points determined by
theoretical models, the theoretical mixing sequence can
provide more consistent predictions for a large sample
of galaxies, whether or not they contain ‘pure’ spectra.
Furthermore, with theoretical AGN and HII mod-

els, we will be able to build mixing sequences in the
UV and infrared diagnostic diagrams, enabling mixing
excitations separations for observations at these wave-
lengths, which will significantly benefit high-z studies
in the JWST era. To test the reliability of mixing se-

quences at UV and IR wavelength, long-wavelength cov-
erage multi-wavelength spectroscopy for the same HII
regions and AGN is needed.
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ABSTRACT

Context. Disk temperature structure is crucial for the formation of planets. Midplane heating induced by disk accretion plays a key role
in determining the disk temperature particularly at the inner disk midplane where planets form. However, the efficiency of accretion
heating has been not well constrained by observations.
Aims. Our aim is to observationally constrain the physical properties of the inner region of the CW Tau disk where the midplane
heating potentially takes place.
Methods. We construct two-dimensional physical models of the CW Tau disk, taking into account the midplane heating. The models
are compared with the ALMA dust continuum observations at Bands 4, 6, 7 and 8, with an angular resolution of 0′′.1. The observed
brightness temperatures are almost wavelength-indenpendent at .10 au.
Results. We find that if the maximum dust size amax is . 100 µm, the brightness temperatures predicted by the model exceed the
observed values, regardless of the efficiency of accretion heating. The low observed brightness temperatures can be explained if
millimeter scattering reduces the intensity. If the disk is passive, amax needs to be either ∼ 150 µm or & few cm. The accretion heating
significantly increases the brightness temperature particularly when amax . 300 µm, and hence amax needs to be either ∼ 300 µm or &
few cm. The midplane temperature is expected to be ∼1.5–3 times higher than the observed brightness temperatures, depending on the
models. The dust settling effectively increases the temperature of the dust responsible for the millimeter emission in the active disk,
which makes the model with 300 µm-sized dust overpredicts the brightness temperatures when strong turbulence is absent. Porous
dust (porosity of 0.9) makes the accretion heating more efficient so that some sort of reduction in accretion heating is required.
Conclusions. The brightness temperature is not a simple function of the dust temperature because of the effect of scattering and
midplane heating even if the disk is optically thick. The current data of the CW Tau disk are not enough to discriminate between
the passive and active disk models. Future longer wavelength and higher angular resolution observations will help us constrain the
heating mechanisms of the inner protoplanetary disks.

Key words. protoplanetary disks — accretion, accretion disks — planets and satellites: formation

1. Introduction

The temperature structure of inner protoplanetary disks controls
the evolution of dust grains (e.g., Birnstiel et al. 2010; Okuzumi
et al. 2016; Dra̧żkowska & Alibert 2017; Ueda et al. 2021b),
subsequent formation of planets and their migration (e.g., Kley
& Nelson 2012; Bitsch et al. 2014; Bitsch 2019; Savvidou &
Bitsch 2021) and eventually the chemical composition of plan-
ets (e.g., Öberg et al. 2011; Madhusudhan et al. 2014; Ohno &
Ueda 2021; Schneider & Bitsch 2021; Notsu et al. 2022). Partic-
ularly at the midplane of the inner regions of disks (. 10 au), the
heating resulting from disk gas accretion is thought to play a key
role in determining the disk temperature. In the classical model
of accretion heating, the gravitational energy of the disk gas is
released near the midplane where the energy is hard to escape
from the disk, leading to efficient heating of the disk midplane
(e.g., Hubeny 1990; Nakamoto & Nakagawa 1994). However,
recent non-ideal magneto-hydrodynamical models have shown
that accretion heating may be less efficient compared to the clas-
sical model when the accretion is primarily driven by the magne-
torotational instability (MRI) in the upper layer of the disk (Hi-
rose & Turner 2011) or by magneto-hydrodynamical disk winds

(Mori et al. 2019). This is because the gravitational energy re-
leased at the upper layer can escape from the disk more easily.
Still, accretion heating in magneto-hydrodynamically accreting
disks can affect the disk temperature structure depending on the
disk ionization state and opacity (Béthune & Latter 2020; Kondo
et al. 2022).

Even though how the disk midplane is heated is crucial for
the formation of planets, it is poorly constrained by observations.
The Atacama Large Millimeter/submillimeter Array (ALMA)
provides an opportunity to probe the temperature structure of the
inner regions of disks, where accretion heating potentially takes
place. The ALMA high-resolution multi-wavelength analysis al-
lows us to evaluate the dust properties (e.g., dust size, tempera-
ture and surface density) as a function of radial distance based on
the spectral behavior of the (sub-)millimeter dust thermal emis-
sion (Carrasco-González et al. 2019; Macías et al. 2021; Sierra
et al. 2021; Ueda et al. 2022; Guidi et al. 2022). However, previ-
ous studies have generally assumed that the observed dust tem-
peratures at different ALMA wavelengths are identical (i.e., ver-
tically isothermal). If the disk is optically thick at the observing
wavelengths, the different observing wavelengths trace different
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heights within the disk, which may alter the interpretation of the
disk properties (Sierra & Lizano 2020; Ueda et al. 2021a).

In other words, the vertical disk structure can be probed by
the multi-wavelength sub-millimeter to centimeter observations
by leveraging the difference in optical depth at each wavelength.
For instance, recent ALMA observations of CO isotopologue
line emissions have provided insights into the vertical structure
of the outer regions of disks by utilizing the expected emis-
sion heights of different CO isotopologues (Law et al. 2021,
2023). For the inner regions of disks, dust continuum observa-
tions would be more suitable than the gas molecule observations
as it is easier to achieve better angular resolution and sensitivity
with a reasonable observing time. Okuzumi et al. (2023) demon-
strated that the vertical temperature structure of the inner few
au of disks can be inferred from the multi-wavelength dust con-
tinuum observations using ALMA and the next generation Very
Large Array (ngVLA).

In this paper, we investigate the temperature structure of the
disk around CW Tau using ALMA multi-wavelength dust con-
tinuum observations. The CW Tau disk has a high accretion rate
(3–10 × 10−8M� yr−1; McClure 2019; Robinson et al. 2022;
Gangi et al. 2022) and has been observed at ALMA Bands 4,
6, 7 and 8 (Ueda et al. 2022). This combination of a high accre-
tion rate and rich observational data makes the CW Tau disk an
excellent target for studying the vertical temperature structure of
the inner region potentially heated by disk accretion. This paper
is constructed as follows. In Section 2, we introduce our obser-
vational data and theoretical models. The models are compared
with the observations in Section 3. Discussion and summary are
in Section 4 and 5, respectively.

2. Methods

2.1. ALMA observations

We make use of the ALMA data of the CW Tau disk taken
and calibrated in Ueda et al. (2022). The observations were car-
ried out at ALMA Bands 4 (λ = 2.17 mm), 6 (1.34 mm), 7
(0.89 mm) and 8 (0.75 mm). The CW Tau disk is a Class II
disk with the stellar luminosity of L∗ = 0.45L� (Herczeg & Hil-
lenbrand 2014), accretion luminosity of Lacc = 0.85L� (Gangi
et al. 2022) and accretion rate of Ṁ = 3–10× 10−8M� yr−1 (Mc-
Clure 2019; Robinson et al. 2022; Gangi et al. 2022) which is
much higher than the typical value of the Class II disks (e.g.,
∼ 3.6 × 10−9M� yr−1; Manara et al. 2017 see also Manara et al.
2022). Its high accretion rate and relatively low stellar luminos-
ity makes the CW Tau disk suitable for studying accretion heat-
ing of the disk. In this work, we adopt Ṁ = 4 × 10−8M� yr−1,
which falls within the range of observed values for CW Tau.

Figure 1 presents the observed brightness temperature at
ALMA Bands 4, 6, 7 and 8. The observational data has a com-
mon angular resolution of 0′′.1, corresponding to a spatial resolu-
tion of 13.2 au for the distance of CW Tau (132 pc; Gaia Collab-
oration et al. 2021). The brightness temperature at ALMA Bands
4, 6, 7, and 8 shows a nearly identical value of ∼ 35 K at . 10 au.
At the outer region, & 20 au, the brightness temperature exhibits
variations among the different ALMA bands. In particular, the
brightness temperature at Band 4 is lower compared to the other
bands.

2.2. Theoretical model

We construct two-dimensional (radial position r and vertical
height z) models of the CW Tau disk in order to compare them
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Fig. 1. Brightness temperature profile observed at ALMA Bands 4, 6,
7 and 8 obtained by Ueda et al. (2022). The transparent region denotes
the uncertainty arising from both flux calibration and thermal noise.

with the ALMA observations. In this section, we provide a de-
tailed description of our theoretical models of the disk structure.

2.2.1. Temperature structure

The temperature structure of the disk is determined by the com-
bined effects of stellar irradiation and accretion heating:

T 4 = T 4
irr + T 4

acc, (1)

where Tirr and Tacc denote the disk temperature determined by
stellar irradiation and accretion heating, respectively. The tem-
perature structure of the passively irradiated disk is calculated
as

T 4
irr =

L∗ + Lacc

16πσr2

{
exp (−τ∗) + 2ψ

}
, (2)

whereσ is the Stefan-Boltzmann constant, τ∗ is the radial optical
depth for stellar irradiation. The angle ψ represents the angle
between the ray from the central star and the disk surface. Its
actual value depends on the distance from the central star and
the detailed disk surface structure. We assume ψ = 0.02 which
corresponds to h∗/r ∼ 0.07 with h∗ being the height of the disk
photosphere above the midplane (Dullemond et al. 2001).

Equation (2) provides the black body temperature in the op-
tically thin regime when τ∗ � 1, whereas it yields temperature
profile of the classical optically thick passive disk in the limit
of τ∗ � 1 (e.g., Dullemond et al. 2001; see also Huang et al.
2018). In the optically thick interior region (τ∗ � 1), the tem-
perature structure is vertically isothermal. It is worth noting that
the temperature structure of the optically thin region (τ∗ � 1)
has no significant impact on our analysis as the emission ob-
served by ALMA is dominated by the emission from the region
where τ∗ � 1. The temperature of optically thick region of the
passively-heated disk can be lower than our model because of
scattering of the stellar irradiation (Okuzumi et al. 2022), which
is not included in our model. With our dust model, this could
reduce the disk temperature by 10%. We examine the validity of
Equation (2) in Appendix A.
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The temperature structure determined by accretion heating is
(e.g., Nakamoto & Nakagawa 1994; Sierra & Lizano 2020)

T 4
acc =

3
4

(
τz +

2
3

)
3ṀΩ2

K

8πσ
, (3)

where ΩK is the Keplerian frequency and τz is the vertical optical
depth for the dust thermal emission integrated from each position
to z = ∞ (or z = −∞ if z < 0);

τz(z) =

∫ ∞

z
κR(z′)ρd(z′)dz′, (4)

with κR and ρd being the Rosseland-mean opacity and dust den-
sity, respectively. Because τz increases as z approaches the mid-
plane, Tacc increases as z approaches the midplane. We note that
the actual value of Ṁ can be lower/higher than our adopted value
by a factor of ∼ 2 (see Section 2.1), which decrease/increase Tacc
by ∼20%. As Tacc is a function of the product of τz and Ṁ, the
disk temperature structure is almost identical as long as τzṀ is
identical.

In this study, we consider two scenarios: a passive disk where
the temperature structure is solely determined by stellar irradia-
tion (i.e., T 4 = T 4

irr), and an active disk where additional heating
due to accretion is taken into account (T 4 = T 4

irr+T 4
acc). As shown

in Section 3, accretion heating dominates over stellar irradiation
(T ≈ Tacc) near the midplane within the inner few to few dozen
au, depending on the specific disk models.

2.2.2. Dust opacities

The dust opacity plays a crucial role in determining both the
temperature structure of the disk and the (sub-)millimeter emis-
sion observed with ALMA. The dust composition is assumed to
be that of the DSHARP model (Birnstiel et al. 2018) which is a
mixture of water ice (Warren & Brandt 2008), astronomical sili-
cates (Draine 2003), troilite and refractory organics (Henning &
Stognienko 1996). It is important to note that the dust compo-
sition remains highly uncertain, and therefore, we also present
modeling results using an alternative dust model, the DIANA
dust model (Woitke et al. 2016) in Appendix B.

The dust size distribution ranges from amin to amax with a
power-law index of −pd. We assume pd = 3.5 which is similar
to the so-called MRN distibution (Mathis et al. 1977) as a fidu-
cial case, while more flat profile (pd = 2.5) is also applied to
investigate its impact on the brightness temperature. The latter
corresponds to more top-heavy distribution where the dust opac-
ity is dominated by larger grains. The minimum dust size amin
is set to be 0.05 µm. We confirmed that our conclusions remain
unchanged even if we adopt larger amin, 0.5 µm. We consider
two different dust porosity values, namely p = 0 (correspond-
ing to compact dust) and 0.9 (corresponding to a filling factor
of f = 1 and 0.1, respectively). We do not consider very porous
dust (p � 0.9) because extremely porous dust may not account
for the high polarization degree of the dust thermal emission ob-
served toward the CW Tau disk (Bacciotti et al. 2018; Tazaki
et al. 2019; Kirchschlager et al. 2019). The opacities are com-
puted with Optool (Dominik et al. 2021).

Figure 2 shows the effective extinction opacity κext, effective
albedo ωeff and Rosseland-mean opacity κR of our dust model.
The effective extinction opacity is defined as κext = κabs +κsca(1−
g), where κabs, κsca and g are the absorption opacity, scattering
opacity and anisotropic scattering parameter, respectively. The
effective albedo is given as ωeff = κsca(1 − g)/κext. The extinc-
tion opacity has a slope of κext ∝ λ−1.7 when amax � λ/2π,
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Fig. 2. Effective extinction opacity (top), effective albedo (middle) and
Rosseland-mean opacity (bottom) of compact (p = 0; left) and porous
(p = 0.9; right) dust with different amax. The power-law index of the
dust size distribution is set to pd = 3.5. The vertical gray dotted lines
denote the wavelength of ALMA Bands 4, 6, 7 and 8.

whereas it is flatter when amax � λ/2π. In the intermediate
regime (amax ∼ λ/2π), the opacity slope is steeper than −1.7
because of the Mie interference. The interference is significant
only for compact grains, leading to a higher opacity compared to
porous grains (Kataoka et al. 2014).

The effective scattering albedo at the ALMA wavelengths
(∼0.8–2 mm) is . 0.2 for amax � λ/2π ∼ 300 µm. However,
for amax & 300 µm, the scattering albedo reaches 0.8 or even
higher at the ALMA wavelengths. The high scattering albedo
efficiently reduces the emergent intensity at the ALMA wave-
lengths, which makes the disk fainter than that without scatter-
ing (e.g., Liu 2019; Zhu et al. 2019). At the ALMA wavelengths,
compact dust has slightly higher ωeff compared to porous dust.
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This is because porous dust scatters incident radiation more ef-
ficiently in the forward direction, resulting in a lower effective
albedo. We note that the absorption and scattering opacity can
be scaled by amax f except for the behavior of the Mie interfer-
ence (Kataoka et al. 2014). However, the asymmetry parameter
g depends on the porosity, which makes the difference in the op-
tical properties of compact and porous dust for a given amax f
(Zhang et al. 2023).

2.2.3. Dust disk

The dust surface density is given by

Σd =
τ10,B4

κext,B4

( r
10 au

)−1
, (5)

where τ10,B4 is the vertical extinction optical depth at ALMA
Band 4 at 10 au. Although the true dust surface density is highly
uncertain, the wavelength-independent brightness temperature
implies that the inner disk region is at least moderately optically
thick at these wavelengths (see Ueda et al. 2022). In our model,
we adopt τ10,B4 = 3 for all models. In Appendix C, we show
the effect of τ10,B4 on the brightness temperature. We confirmed
that τ10,B4 needs to be larger than unity in order to match the
observed brightness temperature at ALMA Band 4. We will dis-
cuss the estimated dust and gas surface densities as well as the
corresponding accretion efficiency parameter αacc in Section 4.2.

In the vertical direction, the dust density distribution is given
by:

ρd =
Σd
√

2πhd
exp

− z2

2h2
d

, (6)

where hd represents the scale height of the dust disk. In our fidu-
cial model, we assume that the dust is well-coupled with the gas,
i.e., hd = hg with hg being the gas scale height. The gas scale
height is calculated by hg = cs/ΩK with cs being the sound speed
of the gas at the midplane. We also investigate the effect of dust
settling. In incorporate dust settling, we define the Stokes num-
ber as

St =
π

2
ρm f a

Σg
, (7)

where ρm = 1.675 g cm−3 is the material density, f = 1 − p is
the dust filling factor and Σg is the gas surface density and a is
the dust radius. For simplicity, we assume that the gas surface
density is 100 times larger than the dust surface density. The
dust scale height is assumed to be in mixing-settling equilibrium
(Dubrulle et al. 1995; Youdin & Lithwick 2007);

hd =

(
1 +

St
αt

1 + 2St
1 + St

)−1/2

hg, (8)

where αt is the turbulence strength for vertical dust mixing. In
our model with settling, we assume relatively weak vertical mix-
ing with αt = 10−4 in order to investigate the difference from the
no-settling limit.

The computational domain extends radially from r = 0.5
to 50 au, logarithmically divided into 100 cells. For the polar
direction, the calculation domain covers from θ = −π/6 to π/6
(where θ = 0 gives disk midplane) with 400 uniformly spaced
cells.

To investigate the impact of different physical mechanisms
on the brightness temperature, we constructed models with vari-
ous setups. The details of these models are summarized in Table
1.

Table 1. Summary of our models

Model name Accretion Dust p pd
heating settling

Passive disk off off 0 3.5
Fiducial active disk on off 0 3.5

Settling on on 0 3.5
Top-heavy on off 0 2.5

Porous on off 0.9 3.5

2.3. Imaging simulation

Given the disk structure obtained in Section 2.2, we perform
Monte Carlo radiative transfer calculations using RADMC-3D
(Dullemond et al. 2012) to generate synthetic images. The dust
opacities are the same as those described in Section 2.2.2. We
use 107 photon packages for each simulation. To compare the
synthetic images with the observations, we smooth the images
with the observing beam size of 0′′.1, which corresponds to a
physical distance of 13.2 au for CW Tau (d = 132 pc). The disk
inclination is assumed to be 58◦ (Ueda et al. 2022) and the inten-
sity is averaged over the azimuthal direction to obtain the radial
intensity profile. The radial intensity profile is then converted
into the brightness temperature using the full Planck function.
To account for anisotropic scattering, we employ the Henyey-
Greenstein approximation (Henyey & Greenstein 1941).

3. Comparison of models and observations

In this section, we compare our theoretical models with the ob-
servations.

3.1. Passive disk models

Let us start the comparison from the simplest cases: passive
disks, where the temperature structure is determined solely by
stellar irradiation.

Figure 3 shows the brightness temperature profile of the pas-
sive disk model for different amax. In Figure 3, we show the
brightness temperature computed with and without scattering.
When scattering is considered, the emergent intensity is reduced,
leading to lower brightness temperatures compared to the actual
dust temperature, even in optically thick disks (Liu 2019; Zhu
et al. 2019; Ueda et al. 2020).

For amax = 10 µm, the model brightness temperatures at
r . 10 au are identical for all wavelengths and are ∼ 1.5 times
higher than observed. Scattering has little effects on the bright-
ness temperatures in this case because of the low albedo of the
10 µm-sized grains (see the center panel of Figure 2). At & 15 au,
the brightness temperature at Band 4 is slightly lower than those
at the other bands because that region is marginally optically thin
at wavelengths & 2 mm.

For amax & 100 µm, the brightness temperatures are com-
parable to or lower than those for amax = 10 µm. The observed
brightness temperature in our models without scattering is af-
fected by the optical depth of the disk. In our model, the dust
surface density is adjusted such that the extinction optical depth
at ALMA Band 4 reaches a value of 3 at a radial distance of
10 au (τ10,B4 = 3). In the models without scattering, the effect
of scattering is taken into account in the calculation of the dust
surface density. This means that the dust surface density remains
the same for models with and without scattering. However, when
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Fig. 3. Brightness temperature profile of the passive disk model (p = 0, τ10,B4 = 3 and pd = 3.5) with (top) and without (bottom) scattering with
different amax. The transparent shaded region shows the observed brightness temperature. The model brightness temperature is calculated after the
intensity is convolved with the beam size of 0′′.1 which corresponds to the physical distance of 13.2 au. The black dotted line denote the midplane
temperature profile convolved with a gaussian with a full width at half maximum (FWHM) of 13.2 au.

calculating the emergent intensity, scattering is ignored. Because
of this setup, the vertical optical depth is effectively smaller for
the models without scattering if scattering dominates over ab-
sorption. For instance, dust with amax = 300 µm has the effective
albedo of ∼ 0.9 at ALMA Band 4, which corresponds to the ab-
sorption optical depth of τabs,10,B4 = τext,10,B4(1 − ωeff) ∼ 0.3.
Therefore, the no-scattering model with amax = 300 µm is opti-
cally thin at ALMA Band 4 and hence shows lower brightness
temperature. For the models with scattering, the model disks are
always optically thick at < 10 au at all wavelengths we consid-
ered.

We see from Figure 3 that the brightness temperatures from
the passive disk models without scattering exceed those from
the observations. This implies that the scattering-induced inten-
sity reduction takes place in the inner region of the CW Tau
disk. For amax ∼ 150 µm, the brightness temperatures are re-
duced by ∼30% by scattering, which makes the passive disk
with 150 µm-sized dust consistent with the observations. The
model with amax = 300 µm has a high effective albedo (& 0.8)
at all wavelengths considered, yielding brightness temperatures
lower than observed. For amax & 300 µm, the effective albedo at
ALMA Bands 7-8 decreases as dust size increases, which makes
the models with large grains are consistent with the observations
at ALMA Bands 7-8. However, at Band 4, dust with sizes in the
range of 300 µm . amax . 1 mm still exhibit a high albedo, lead-
ing to brightness temperatures that are too low compared to the
observed values. Because the scattering albedo at ALMA Band
4 decreases for amax & 1 mm, very large dust with amax & 10 cm
may account for the observations.
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Fig. 4. Brightness temperature at the center of model images normal-
ized by the observed brightness temperature. The gray shaded region
denotes the region where the model explains the observations with an
accuracy of 10%, which is the typical ALMA calibration uncertainty.

Figure 4 presents the brightness temperature at the center
of the model images normalized by the observed value, provid-
ing insight into the temperature structure within the central re-
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gion with diameter of ∼ 13 au, which corresponds to the size
of one beam. We see that the brightness temperature of models
with amax . 100 µm exceeds the observed values by ∼ 30%.
In contrast, the brightness temperatures are significantly lower
than the observations if amax = 300 µm. The intermediate size,
amax ∼ 150 µm, reasonably explains the observations. If dust
size is larger than millimeter, the model brightness temperatures
are more similar to the observed values as dust size increases,
showing that very large grains (& few cm) are roughly consistent
with the observations.

In summary, when considering a disk heated solely by stel-
lar irradiation, two possible ranges for the maximum dust ra-
dius emerge to explain the observed brightness temperatures: ∼
150 µm or & few cm. Very small dust grains, amax � 150 µm, are
unlikely to account for the observations due to their low effective
albedo at millimeter wavelengths, which results in higher bright-
ness temperatures than observed. On the other hand, millimeter-
sized dust grains are also improbable as their high effective
albedo at ALMA Band 4 leads to significantly lower model
brightness temperatures compared to the observed values.

3.2. Active disk models

The passive disk models considered in the previous subsection
ignore any internal heating sources. However, the inner region
of the disk can be heated by gas accretion, and hence, the disk
may have a vertical temperature gradient that affects the bright-
ness temperature. In this subsection, we will show how accretion
heating affects the brightness temperature of the CW Tau disk.

3.2.1. Case of amax = 10 µm

To clarify the impact of the vertical temperature structure on the
ALMA brightness temperatures, we start the analysis by consid-
ering the scenario of amax = 10 µm, wherein scattering of dust
thermal emission is negligible. The most notable factor in this
case is the substantial vertical optical depth τz, which establishes
the accretion heating as the primary determinant of the inner disk
temperature.

Figure 5 shows the two-dimensional temperature structure
of the disk with amax = 10 µm, both with and without consid-
ering the effects of accretion heating. It is evident that within a
radius of approximately 20 au, the temperature structure is pri-
marily influenced by accretion heating when amax = 10 µm. Ad-
ditionally, Figure 5 presents the dust temperatures at the surfaces
where the extinction optical depths at ALMA wavelengths reach
unity (hereafter ALMA surfaces). It is worth noting that despite
having identical total vertical optical depths in the passive and
active disk models, the ALMA surfaces are higher in the active
disk model due to the elevated gas scale height compared to the
passive model.

The dust temperature at the ALMA surfaces remains con-
stant regardless of the observing wavelengths in the case of a
passively heated disk. However, in the presence of accretion
heating, the dust temperature at the ALMA wavelengths be-
comes wavelength-dependent. This dependence arises because
longer observing wavelengths probe regions closer to the mid-
plane, where accretion heating is more efficient. Consequently,
longer observing wavelengths result in higher dust tempera-
tures. For instance, at 10 au, the dust temperature observed with
ALMA Band 8 is ∼ 100 K, while the dust temperature observed
with ALMA Band 4 is ∼ 180 K. In comparison, the midplane
temperature is ∼ 200 K.
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Fig. 5. Two-dimensional temperature structure (top), dust temperature
at the ALMA surfaces (middle) and synthetic brightness temperature
profiles (bottom). The maximum dust size is 10 µm. The left panels
show the passive disk model where the disk is heated only by the stellar
irradiation, whereas the right panels show the active disk model where
the disk is heated by both stellar irradiation and disk accretion. The light
green lines in the top panels denote the height where the vertical extinc-
tion optical depth reaches unity (ALMA surfaces) at ALMA Bands 4
(solid), 6 (dashed), 7 (dash-dotted) and 8 (dotted). The dust tempera-
tures shown in the middle panels are not beam-convolded, while the
brightness temperatures shown in the bottom panels are taken from the
synthetic images convolved with a gaussian with a FWHM of 13.2 au.
The transparent regions denote the observed brightness temperatures.

Figure 5 (bottom panels) also compares the brightness tem-
perature profile obtained from the radiative transfer simulation
with the observed values. The bottom-left panel of Figure 5
corresponds to the top-left panel in Figure 3. The brightness
temperature of the fiducial active disk is more than two times
higher than that of the passive disk. Furthermore, a wavelength-
dependent brightness temperature is seen within ∼ 10 au, which
is not seen in the observations. This is because of the vertical
temperature gradient shown in the top and middle panels in Fig-
ure 5. The brightness temperature is independent of the inclusion
of scattering because of the negligible scattering albedo. Based
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Fig. 6. Two-dimensional temperature structure and dust temperature at ALMA surfaces for different values of amax. Top: two-dimensional temper-
ature structure of the fiducial active disk. The light green lines denote the height where the vertical extinction optical depth reaches unity at ALMA
Bands 4 (solid), 6 (dashed), 7 (dash-dotted) and 8 (dotted). bottom: dust temperature at the height where the vertical extinction optical depth at the
ALMA wavelengths reaches unity. The radial profile are not beam-convolved. The dust settling is not taken into account. The dust is assumed to
be compact with a size distribution of pd = 3.5. The dust surface density is set so that τ10,B4 = 3.

on these, we conclude that the maximum dust size of 10 µm is
unlikely regardless of the efficiency of accretion heating.

3.2.2. Fiducial active disks

Figure 6 shows the two-dimensional temperature structure of the
fiducial active disk, considering different values of amax. We see
that the temperature of the inner disk region is higher for smaller
amax because of the higher vertical optical depth for dust ther-
mal emission (τz). For amax . 300 µm, the dust temperature at
the ALMA surfaces is higher at longer wavelengths, as shown in
Section 3.2.1. In contrast, For amax & 1 mm, the dust temperature
is not sensitive to the observing wavelengths. This is because the
extinction opacity of large dust (& 1 mm) is less sensitive to the
ALMA wavelength than that of small dust (see Fig 2), and hence
all ALMA observations trace similar disk heights. The difference
in the dust temperature is the most significant at amax ∼ 100 µm
because of its steep slope in the extinction opacity. Although the
dust temperature is nearly independent on the observing wave-
lengths when amax & 1 mm, it remains lower than the midplane
temperature at . 6 au.

The temperature structure is almost identical for models
with amax = 1 mm and 1 cm. This similarity arises because
we ensure that the vertical extinction optical depth at ALMA
Band 4 (τ10,B4) is constant across all models. In the regime of

amax & 1 mm, both the millimeter extinction opacity and the
Rosseland-mean opacity decrease with increasing dust radius in
the same manner (∝ a−1/2

max ). To keep τ10,B4 to be constant, the
dust surface density is inversely proportional to the millime-
ter extinction opacity. Consequently, despite the decrease in the
Rosseland-mean opacity as the dust radius increases, the infrared
optical depth τz, which governs the magnitude of accretion heat-
ing, remains unchanged when τ10,B4 is held constant.

Figure 7 shows the brightness temperature profile of the fidu-
cial active disk model. In contrast to the case of amax = 10 µm,
when amax & 100 µm, scattering is no longer negligible and re-
duces the brightness temperature which makes the interpretation
of the brightness temperature more complicated.

For amax = 155 µm, the model brightness temperatures are
significantly higher than the observed values. The millimeter-
wave scattering makes the brightness temperatures lower than
that of no-scattering limit. The model with amax = 300 µm shows
similar brightness temperatures with the observations if scatter-
ing is included. The brightness temperatures with scattering are
∼ 2 times lower than that without scattering. Furthermore, the
midplane temperature is ∼ 3 time higher than the brightness
temperatures. This clearly demonstrates that, even if the disk is
fully optically thick, the observed brightness temperature can be
much lower than the true midplane temperature because of the
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Fig. 7. Same as Figure 3 but for the fiducial active disk.

combined effect of scattering and vertical temperature gradient
(see also Sierra & Lizano 2020).

When amax is of the order of 1 mm, the brightness tempera-
ture at Band 4 is significantly lower than the observed value be-
cause of scattering even if the accretion heating takes place (see
also Figure 8). In contrast, when amax is greater than ∼ 1 cm, the
model brightness temperatures are similar to the observations as
seen for amax = 300 µm. This is because the effective albedo
at ALMA Band 4 decreases as amax increases in the regime of
amax & 1 mm. In this case, the midplane temperature is ∼ 2
times higher than the observed brightness temperatures.

The central brightness temperature of the fiducial active
disks is shown in Figure 8. In the small dust regime (< 300 µm),
the model brightness temperature are too high to account for the
observations because of the efficient accretion heating. While
the passive disk model with amax ∼ 300 µm underestimates the
brightness temperature at ALMA Bands 4-7, the fiducial active
disk model with amax ∼ 300 µm aligns well with the observa-
tions. This is attributed to the enhancement of brightness tem-
perature by accretion heating, particularly at longer wavelengths.
Large grain models (& few cm) are roughly consistent with the
observations, although they tend to overestimate the brightness
temperature at Band 8.

3.3. Effect of dust settling, size distribution and porosity

In this section, we explore the influence of dust settling, dust size
distribution, and dust porosity on the brightness temperatures of
the active disk. Figure 9 shows the two-dimensional temperature
structure of the fiducial active disk (same as the second right
column of Figure 6), settling model, top-heavy model and porous
dust model. The maximum dust size is set to 1 mm. We discuss
the effect of each component in the following subsections.
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Fig. 8. Same as Figure 4 but for the fiducial active disk.

3.3.1. Effect of dust settling

As dust grains grow larger, they are expected to settle down to-
wards the midplane of the disk. If dust settling takes place, the
effective dust size that contributes to the millimeter emission de-
creases because larger grains can be hidden within the optically
thick midplane layer (Ueda et al. 2021a).
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Fig. 9. Two-dimensional temperature structure and dust temperature at ALMA surfaces for different disk models. Top: two-dimensional temper-
ature structure of the fiducial active disk model (left), Settling model (αt = 10−4, second left), Top-heavy model (second right) and Porous model
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(dash-dotted) and 8 (dotted). The maximum dust size amax is 1 mm in the all models. Bottom: dust temperature at the height where the vertical
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Figure 9 compares the dust temperature at the ALMA sur-
faces of the models without (left) and with (second left) dust
settling with αt = 10−4. We find that dust settling effectively
increases the temperature of dust observed with ALMA. This
behavior can be explained as follows: The efficiency of accre-
tion heating is primarily determined by the distribution of small
grains, whereas the height of the ALMA surfaces is predom-
inantly influenced by the distribution of large grains. Due to
settling, larger grains tend to selectively settle towards the mid-
plane, causing the ALMA surfaces to descend more rapidly to-
wards the midplane compared to the isotherm height of the active
disk (as shown in the top rows of Figure 9). This allows ALMA
to observe a hotter layer.

Figure 10 shows the central brightness temperature of the
beam-convolved images of the settling model. The radial bright-
ness temperature profile of each model is shown in the appendix
D (see Figure D.1). For amax . 3 mm, the brightness tempera-
ture is systematically higher than that of the fiducial active disk
model (i.e., without settling). This is because of the effect ex-
plained above. Particularly for amax = 300 µm, the settling model
overpredicts the brightness temperatures because of the higher
temperature of the dust responsible for the emission. We note
that the settling model with amax = 300 µm reasonably explains
the observations if αt = 10−3 because dust settling is less effec-
tive compared to αt = 10−4. We also note that if the disk is active,
the turbulence strength for dust mixing may not be significantly

lower than that for accretion (αacc; Equation (10)), implying that
αt = 10−3 may be more likely for the active disk model (see also
Section 4.2).

For amax & 3 mm, the brightness temperatures of the set-
tling model are not simply higher than those of the model with-
out settling. The temperature of dust observed with ALMA is
higher for the models with settling compared to those without
settling. However, the differential settling makes effective dust
size smaller, which increases the scattering albedo and hence
reduces the emergent intensity at the ALMA wavelengths. The
emergent intensity, and hence the brightness temperature, is de-
termined by the balance between these two effects.

Overall, large grain models (amax & 3 mm) predict the bright-
ness temperatures similar to the observations. Compared to the
no-settling models (Figure 8), the settling model is more con-
sistent with the observations if amax & 3 mm. We note that if
αt = 10−3, dust settling has no significant impact on the bright-
ness temperatures when amax . 1mm (see also Section 4.2).

3.3.2. Effect of dust size distribution

The dust size distribution plays a critical role in both the millime-
ter thermal emission and the efficiency of accretion heating. In
our fiducial case, we assume a slope of pd = 3.5 for the dust size
distribution. However, it is important to note that the dust size
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Fig. 10. Same as Figure 4 but for the settling model with αt = 10−4.

distribution in protoplanetary disks is uncertain and is influenced
by dust coagulation and fragmentation processes. In particular,
if dust fragmentation is not efficient, the dust size distribution
can exhibit a more top-heavy nature, meaning it is dominated
by larger grains, rather than following a slope of pd = 3.5 (e.g.,
Birnstiel et al. 2011).
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Fig. 11. Same as Figure 4 but for the top-heavy dust model.

In the top-heavy model, we adopt a dust size distribution
with a slope of pd = 2.5 instead of 3.5. As shown in Figure 9,
the top-heavy dust size distribution leads to a cooler disk region
near the midplane compared to the fiducial active disk. This is
because the dust mass is more dominated by large grains which
have lower surface-to-mass ratio and hence accretion heating is
less efficient.

Figure 11 shows the central brightness temperature of the
beam-convolved images of the top-heavy model. The radial
brightness temperature profile of each model is shown in the
appendix D (see Figure D.2). Although the dust temperature
is lower than that of fiducial active disk model, the brightness
temperature does not simply follow the dust temperature. In the
regime of amax . 1 mm, scattering is more efficient than the
case of pd = 3.5 because mm-sized grains have higher scat-
tering albedo than micron-sized grains at ALMA wavelengths.
Therefore, for amax . 1 mm, the brightness temperatures of the
top-heavy model are lower compared to the fiducial active disk
model. In contrast, in the regime of amax & 1 mm, scattering
is less efficient than the case of pd = 3.5 because cm-sized or
larger grains have lower scattering albedo than mm-sized grains
at ALMA wavelengths. Therefore, for amax & 1 mm, the bright-
ness temperatures of the top-heavy model are higher compared
to the fiducial active disk model. In the middle of these two
regimes (amax ∼ 1 mm), the brightness temperature is not sen-
sitive to pd. Overall, the top-heavy models do not appear to be
consistent with the observations.

3.3.3. Effect of porosity

In the previous sections, we focused on studying the brightness
temperature of disks with compact dust grains. However, it is
important to consider that dust in protoplanetary disks can be
porous due to the pairwise collisional growth (e.g., Okuzumi
et al. 2012).

In Figure 9, we compare the dust temperature between the
fiducial active disk model (left) and the porous dust model
(right). We see that the accretion heating is more efficient in the
porous dust model. This is because, for a given optical depth
at ALMA wavelengths (e.g., τB4), the optical depth for the dust
thermal emission (τz) is higher for porous dust. Figure 12 shows
the ratio between the Rosseland-mean opacity (at 100K) and the
extinction opacity at ALMA Band 4. For amax & 100 µm, porous
dust has higher κR,100K/κext,B4. This means that, for a given opti-
cal depth at ALMA wavelength, porous dust has larger vertical
optical depth for accretion heating and hence the accretion heat-
ing is more efficient compared to compact dust.

Figure 13 shows the central brightness temperature of the
convolved images of the porous dust model. The radial bright-
ness temperature profile of each model is shown in the appendix
D (see Figure D.3). If dust is porous, the brightness temperature
is higher than that of compact dust model regardless of the dust
size. We see that the porous dust models predict & 1.5 times
higher brightness temperatures than the observations. We also
confirm that the brightness temperatures of porous dust model
are still higher even if pd = 2.5.

4. Discussion

4.1. Dust size in the inner region of the CW Tau disk

Our study reveals that the maximum dust size in the inner re-
gion (. 10 au) of the CW Tau disk is preferred to be ∼150–300
µm (small grain solution) or larger than a few centimeters (large
grain solution). Distinguishing between these two scenarios is
essential for gaining insights into grain growth and temperature
structure of the disk.

The CW Tau disk shows the strong scattering-induced po-
larization at ALMA Band 7 with a polarization degree of & 1%
(Bacciotti et al. 2018). This indicates that the thermal emission
at ALMA Band 7 is primarily contributed by dust grains with a
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Fig. 13. Same as Figure 4 but for the porous dust model.

radius of λ/2π ∼ 140 µm (Kataoka et al. 2015), although the an-
gular resolution of the polarimetric observations (∼0′′.2) is worse
than ours (0′′.1). This implies that the small grain solution is more
consistent with the polarimetric observations than the large grain
solution.

The effective observed-dust size can be smaller than the true
maximum dust size if differential dust settling takes place (Sierra
& Lizano 2020; Ueda et al. 2021a), which potentially makes the
large grain solution matches with the polarimetric observation.
However, it is important to note that achieving the observed high
polarization degree (& 1%) with amax larger than ∼ 1 mm is
unlikely, even under the assumption of extremely low turbulence
strength (Ueda et al. 2021a).

The polarization degree also depends on the detailed struc-
ture of dust grains. Recent laboratory experiment suggests that

non-spherical irregular shape dust can produce strong scattering-
induced polarization even if the dust size is significantly larger
than the observing wavelength (Lin et al. 2023). If this is the
case, the polarization degree of non-spherical grains is less sen-
sitive to the observing wavelength than the compact spheri-
cal grains. Furthermore, inclusion of small amount of porosity
(p . 0.9) also makes the polarization degree less sensitive to the
dust size (Tazaki et al. 2019; Zhang et al. 2023). However, we
note that, if the porosity is as high as 0.9, accretion heating is so
efficient that the model brightness temperatures exceed the ob-
served values. Therefore, if p & 0.9, some sort of reduction of
accretion heating due to, e.g., wind-driven accretion (Mori et al.
2019; Kondo et al. 2022), is required. Future multi-wavelength
polarimetric observations would help us constrain the detailed
dust structure.

4.2. Surface densities and effective accretion α

In this section, we discuss the expected dust and gas surface den-
sities, as well as the effective turbulence strength for the accre-
tion of the CW Tau disk.

Figure 14 shows the gas surface density of our fiducial ac-
tive disk models(assuming hundred times of the dust). The gas
surface density of the minimum mass solar nebula (MMSN),
1700(r/au)−1.5 g cm−2 (Hayashi 1981), is also shown for com-
parison. We also plot the criterion for the disk to be graivation-
ally unstable (Toomre 1964):

Q ≡
ΩKcs

πGΣg
= 1. (9)

In general, our model disks are expected to be gravitation-
ally stable within the region of focus, approximately . 10 au. If
amax = 100 µm, the gas surface density reaches Q = 1 around
∼ 10 au. If amax were 10 µm, the disk mass would be ∼ 1.5 times
higher; however, as already shown in Section 3, the model with
amax = 10 µm fails to reproduce the observed brightness temper-
atures. On the other hand, for amax & 300 µm, the gas surface
density is estimated to be much lower than the Q = 1 line within
20 au. Moreover, the estimated gas surface density aligns closely
with the MMSN model within 10 au for amax & 300 µm. This in-
dicates that the CW Tau disk has enough capability to form a
planetary system similar to our solar system.

Figure 14 also shows the effective turbulence strength for the
disk accretion;

αacc =
Ṁ

3πΣgcshg
. (10)

For the given accretion rate of 4 × 10−8M� yr−1, the effective
turbulence strength accounting for the disk accretion needs to
be ∼ 10−4 for amax = 100 µm, while it is ∼ 10−3–10−2 for
amax & 300 µm. The estimated αacc falls into a reasonable range
of αacc = 10−4–10−2, although the high αacc (∼ 10−2) found for
the models of amax = 1–10 mm is higher than the typical value
estimated from the observed disk lifetime in various star-forming
regions (Manara et al. 2022, but see also Hartmann et al. 1998).

The model with amax = 300 µm yields αacc ∼ 10−3. As shown
in Section 3.2.2 and 3.3.1, the model with amax = 300 µm can
account for the observations if vertical dust settling is ignored
but cannot if dust settling takes place with αt = 10−4. To further
investigate this, we conducted a simulation of the settling model
with αt = 10−3 and confirm that the model with amax = 300 µm
reasonably matches the observations if αt = 10−3. This suggests
that the effective turbulence strength for vertical dust mixing, αt,
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is not much lower than the effective turbulence strength for disk
accretion, αacc, if amax = 300 µm.

4.3. Predictions for future observations

Our results show that the observed brightness temperatures at
ALMA Bands 4-8 can be explained by either the passive or ac-
tive disk models. It is crucial to distinguish these models for un-
derstanding the heating mechanisms in the inner region of disks.

Figure 15 shows the brightness temperatures at λ = 3.1
(ALMA Band 3), 4.1 (ALMA Band 2) and 7.0 mm (ALMA
Band 1 or VLA Q band) computed from our models. The an-
gular resolution is assumed to be 0′′.05. The active disk with
amax = 300 µm has ∼1.5–2 times higher brightness tempera-
tures at λ = 3.1 and 4.1 mm than the other models. The peak
brightness temperature reaches ∼ 80 K at λ = 3.1 and 4.1 mm.
In contrast, at λ = 7.0 mm, the brightness temperature of the ac-
tive disk model with amax = 300 µm is not significantly different
from that with amax = 10 cm. This is because the small grain so-
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predicted by our active disk models (solid lines) and passive disk mod-
els (dotted lines). The angular resolution is assumed to be 0′′.05. The
scattering-induced intensity reduction is included.

lution has higher temperature but lower optical depth, resulting
in the cancellation of these effects.

The passive disk with amax = 300 µm can be distinguished
from the other models by using λ = 7.0 mm because it has signif-
icantly lower brightness temperature. This is because the passive
disk has lower temperature than the active disk and the optical
depth is lower than the large grain model.

If amax = 10 cm, the accretion heating is not so significant
that both the passive and active disk predict similar brightness
temperature. However, the difference in those models is poten-
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tially distinguishable by ALMA because typical uncertainty in
the ALMA flux is 5-10% which is smaller than the difference in
the brightness temperatures predicted by the models.

Even though the finest angular resolution of current facili-
ties (ALMA and VLA) at λ & 3 mm is limited to ∼ 0′′.05, it
can achieve ∼ 0′′.02 at shorter wavelengths. Figure 16 shows the
brightness temperature at λ = 0.75 (ALMA Band 8), 0.89 (Band
7) and 1.34 mm (Band 6) computed from our models with the
angular resolution of 0′′.02. We can see that the higher spatial
resolution observations at shorter wavelengths can also distin-
guish between the active and passive disk models. The higher
angular resolution allows us to detect a steeper brightness tem-
perature profile in the active disk model. However, the differ-
ence in the brightness temperatures of the active and passive
disks decreases with observing wavelength decreases because
the shorter wavelength traces a more upper layer where the ac-
cretion heating is less effective. The difference in the brightness
temperatures of the two passive disk models is maximized at
λ ∼ 1.34 mm because 300 µm-sized grain has a maximum effec-
tive albedo at that wavelength. In contrast, the active disk models
with amax = 300 µm and 10 cm have similar brightness temper-
ature profile because the 300 µm dust model has a higher dust
temperature, which compensates the efficient intensity reduction
by scattering.

4.4. Spectral energy distribution

Although our focus is on comparing our models with observa-
tions at ALMA wavelengths, it is worthwhile to compare them
at infrared wavelengths as well. Figure 17 shows the compari-
son between our model spectral energy distributions (SEDs) and
the observed data. The observed SED is taken from Andrews
et al. (2013) (see also references therein). In order to evaluate
the SEDs, we extrapolate the disk model down to 0.01 au and re-
move the dust with temperature higher than 1400 K which mim-
ics the sublimation of silicate dust. This modification is neces-
sary because the dust responsible for infrared emission could be
located within 0.5 au, which is the inner boundary used for the
calculations in the comparison at ALMA wavelengths.

We find that the active disk models have higher luminosity
at infrared wavelengths (∼1–20 µm) than the passive disk mod-
els (see also, e.g., D’Alessio et al. 1998; Dullemond et al. 2007).
The passive disk models tend to underestimate the fluxes ob-
served at infrared wavelengths. For the active disk models, the
large grain models (amax = 1 mm and 1 cm) still underestimate
the infrared fluxes, while the model with amax = 300 µm over-
estimates them. Although neither of these models fully explains
the observed SED at infrared wavelengths, the active disk mod-
els are more resemble to the observations compared to the pas-
sive disk models.

However, it is important to note that the infrared SED is
highly influenced by the intricate structure of the innermost re-
gion of the disk, specifically in the vicinity of the silicate subli-
mation radius (see Dullemond & Monnier 2010 and Kraus 2015
for review), which is beyond the scope of our study. For instance,
the emission in the near-infrared range (∼ 2 µm) is expected to
be predominantly attributed to the scattering of stellar light at
the inner rim of the disk (e.g., Monnier & Millan-Gabet 2002),
rather than the thermal emission from the region we focus on.
Additionally, the presence of a dust halo surrounding the in-
ner disk, potentially induced by the inner disk wind, is antici-
pated to enhance the near-infrared flux (e.g., Vinković & Jurkić
2007). Therefore, detailed modeling of the innermost region of
the disk is necessary to obtain accurate fluxes at near-infrared
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Fig. 16. Brightness temperature profile at λ = 0.75, 0.89 and 1.34
mm predicted by our active disk models (solid lines) and passive disk
models (dotted lines). The angular resolution is assumed to be 0′′.02.
The scattering-induced intensity reduction is included.

wavelengths. While significant uncertainties remain in the near-
infrared range, the observed high fluxes at mid-infrared wave-
lengths may suggest a higher likelihood of active heating within
the CW Tau disk.

5. Summary

We investigate the impact of accretion heating on the brightness
temperatures of the inner region of the CW Tau disk. The key
findings are as follows:

Article number, page 13 of 19



A&A proofs: manuscript no. aanda

10 1 100 101 102 103

wavelength [ m]
10 4

10 3

10 2

10 1

100

101

102

L
=

4
d2

F
[L

]
Observations
Active, amax = 300 m
Active, amax = 1 mm
Active, amax = 1 cm

Passive, amax = 155 m
Passive, amax = 1 mm
Passive, amax = 1 cm

Fig. 17. Comparison between our model spectral energy distributions
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and references therein.

– If amax . 100 µm, the model brightness temperatures are too
high to explain the observations regardless of the efficiency
of accretion heating.

– If the disk is passively heated, the maximum dust size needs
to be either ∼ 150 µm or & few cm.

– If the disk is actively heated, small grain models significantly
overpredict the brightness temperatures, and hence the max-
imum dust size needs to be either ∼ 300 µm or & few cm.

– The midplane temperature would be ∼1.5–3 times higher
than the observed brightness temperatures because of com-
bined effect of scattering and accretion heating.

– If dust settling occurs in the active disk, the ALMA observa-
tions trace deeper disk layers compared to the disk with no-
settling. Therefore, the dust settling effectively increases the
temperature of the dust responsible for the millimeter emis-
sion from the active disk.

– If turbulence strength parameter for vertical dust mixing αt is
10−4, the active disk model with amax = 300 µm overpredicts
the brightness temperatures, suggesting that αt > 10−4.

– The estimated effective accretion efficiency αacc falls into a
reasonable range of 10−4–10−2, depending on the dust size.
If amax = 300 µm, αacc is expected to be ∼ 10−3, indicating
that αt is not much smaller than αacc.

– The efficiency of accretion heating needs to be reduced if
dust is porous (p = 0.9) because the accretion heating is too
efficient to explain the observations regardless of the dust
size.

Future observations using longer wavelengths, such as ALMA
Bands 1–3 and VLA, will play a crucial role in distinguishing
between the active and passive disk models. The results of our
work highlight the importance of multi-wavelength observations

in improving our understanding of the physical properties of the
inner regions of protoplanetary disks.
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Appendix A: Midplane temperature of the passive
disks

In this section, we examine the accuracy of our temperature of
the passive disk models. In our temperature model (Equation 2),
we do not consider the effect of scattering of the stellar irra-
diation and adopt constant value for the incident angle of the
stellar irradiation ψ (0.02). To see the validity of our simplified
model, we perform thermal Monte Carlo radiative transfer sim-
ulations with RADMC3D (Dullemond et al. 2012) with takeing
the anisotropic scattering into account.

Figure A.1 compares the midplane temperature profiles ob-
tained from the Monte Carlo radiative transfer simulations and
analytical model (Equation 2). Although our analytical model
slightly overestimates the midplane temperature, the difference
from the radiative transfer model is . 10% which is compara-
ble to the uncertainty of the ALMA flux. Therefore, we think
that the analytical model has sufficient accuracy to estimate the
brightness temperatures at the ALMA wavelengths.
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Fig. A.1. Comparison of the midplane temperature profiles of the pas-
sive disks obtained from the Monte Carlo radiative transfer simulations
and analytical prescription (Equation 2).

Appendix B: Effect of the dust composition

In this section, we present the modeling results using the DIANA
dust, which is an alternative to the DSHARP dust used previ-
ously. The DIANA dust consists of pyroxene (Mg0.7Fe0.3SiO3;
Dorschner et al. 1995) and amorphous carbon (Zubko et al.
1996) , with a mass ratio of 0.87 for pyroxene and 0.13 for car-
bon, and has a porosity of 0.25 (Woitke et al. 2016). While the
DSHARP dust contains carbonaceous material in the form of
organics, the DIANA dust consists of amorphous carbon as the
carbonaceous material, which efficiently absorbs incident irradi-
ation.

Figure B.1 shows the effective albedo of the DIANA dust.
The DIANA dust has lower effective albedo than the DSHARP
dust because of the high absorbing efficiency of carbon. Specifi-
cally, the effective albedo of the DIANA dust remains below 0.8
at the wavelengths of interest, while that of the DSHARP dust is
as high as ∼ 0.9 (Figure 2).
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Fig. B.1. Effective albedo of the DIANA dust model.

Figure B.2 shows the normalized brightness temperature at
the center of the passive disk model using the DIANA dust
model. Due to its smaller effective albedo, the brightness temper-
atures consistently exceed those of the DSHARP model (Figure
4). Particularly at ALMA Band 8, the brightness temperature of
the DIANA dust model is higher than the observed value, regard-
less of the calue of amax. The central brightness temperature of
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Fig. B.2. Same as Figure 4 but for the DIANA dust model.

the active disk model using the DIANA dust is shown in Figure
B.3. When taking into account the effect of accretion heating, the
brightness temperature is higher compared to the passive disk

Article number, page 16 of 19



Ueda et al.: Probing the Temperature Structure of the Inner Region of a Protoplanetary Disk

model, thereby making the DIANA dust model less consistent
with the observations.
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Fig. B.3. Same as Figure 8 but for the DIANA dust model.

In general, the DIANA dust models predict higher brightness
temperature than the DSHARP dust models. Consequently, the
DSHARP dust model appears to be more in line with the ob-
served data.

Appendix C: Dependence of the surface density

In this appendix, we discuss the effect of the dust surface den-
sity on the brightness temperature. Figure C.1 shows the bright-
ness temperature at the center of the synthetic images of differ-
ent τ10,B4. The brightness temperature at longer wavelength is
more sensitive to the dust surface density (i.e., τ10,B4) because it
traces the region closer to the midplane where the accretion heat-
ing dominates the irradiation heating. In addition to that, smaller
grain model is more sensitive to τ10,B4 because of efficient accre-
tion heating (see Figure 12).

If τ10,B4 = 1, the brightness temperature at ALMA Band 4 is
always lower than the observed value when amax & 300 µm. This
suggests that τ10,B4 needs to be sufficiently larger than unity. The
brightness temperature at Band 4 increases as τ10,B4 increases.
If τ10,B4 = 3, the brightness temperature at Band 4 is consistent
with the observation when amax = 300 µm, as shown in the main
text. If τ10,B4 > 3, the brightness temperature at Band 4 can be
consistent with the observation even when amax > 300 µm. How-
ever, in this regime, the brightness temperature at ALMA Band
8 is higher than the observed value.

Appendix D: Radial brightness temperature profile
of different models

Figure D.1 shows the brightness temperature profile of models
with dust settling. The midplane temperature is independent on
the presence of dust settling (see Figure 7 and D.1) as the verti-
cal optical depth at the midplane is identical. The dust differen-
tial settling effectively increase the temperature of dust observed
with ALMA as explained in Section 3.3.1. This can be confirmed

by comparing the brightness temperature shown in Figure 7 and
D.1 in the limit of no-scattering; The brightness temperature
in the no-scattering limit is higher for the model with settling.
When scattering is taken into account, the brightness tempera-
ture of the settling model is not simply higher than the model
without settling because the magnitude of scattering-induced in-
tensity reduction is affected by the dust settling.

In Figure D.2, we show the brightness temperature of mod-
els with pd = 2.5 instead of 3.5. The smaller pd corresponds to
the more top-heavy dust size distribution in which larger grains
is more dominant in the opacity. Because of the top-heavy dust
size distribution, the dust temperature is lower than that of the
fiducial active disk. This can be confirmed by comparing the
brightness temperature in Figure 7 and D.2 in the limit of no-
scattering (dashed lines); The brightness temperature in the no-
scattering limit is lower for the model with pd = 2.5. When
scattering is taken into account, the brightness temperature of
the top-heavy model is lower than that of the fiducial active
disk in the regime of amax . 1 mm, because large grains have
higher scattering albedo at ALMA wavelengths. In contrast, in
the regime of amax & 1 mm, the brightness temperature of the
top-heavy model is higher than the fiducial active disk model
because of low scattering albedo.

Figure D.3 shows the brightness temperature profile of mod-
els with porous grains (p = 0.9; filling factor of 0.1).

The dust temperature of the active disk with porous dust is
higher than that of compact dust as explained in Section 3.3.3.
This can be confirmed by comparing the brightness temperature
in Figure 7 and D.3 in the limit of no-scattering (dashed lines);
The brightness temperature in the no-scattering limit is higher
for the model with porous dust. Furthermore, the effective scat-
tering albedo of the porous dust is slightly lower than that of
compact dust, which result in inefficient scattering-induced in-
tensity reduction. Because of these reasons, the model brightness
temperature is significantly higher than the observations.
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ABSTRACT

Context. Hub-filament systems are suggested to be the birth cradles of high-mass stars and clusters.
Aims. We investigate the gas kinematics of hub-filament structures in the G333 giant molecular cloud complex using 13CO (3−2)
observed with the APEX/LAsMA heterodyne camera.
Methods. We apply the FILFINDER algorithm to the integrated intensity maps of the 13CO J=3−2 line to identify filaments in the
G333 complex, and we extract the velocity and intensity along the filament skeleton from moment maps. Clear velocity and density
fluctuations are seen along the filaments, allowing us to fit velocity gradients around the intensity peaks.
Results. The velocity gradients fitted to the LAsMA data and ALMA data agree with each other over the scales covered by ALMA
observations in the ATOMS survey (< 5 pc). Changes of velocity gradient with scale indicate a ”funnel” structure of the velocity
field in PPV space, indicative of a smooth, continuously increasing velocity gradient from large to small scales, and thus consistent
with gravitational acceleration. The typical velocity gradient corresponding to a 1 pc scale is ∼ 1.6 km s−1 pc−1. Assuming free-fall,
we estimate a kinematic mass within 1 pc of ∼ 1190 M�, which is consistent with typical masses of clumps in the ATLASGAL
survey of massive clumps in the inner Galaxy. We find direct evidence for gravitational acceleration from comparison of the observed
accelerations to those predicted by free-fall onto dense hubs with masses from millimeter continuum observations. On large scales,
we find that the inflow may be driven by the larger scale structure, consistent with hierarchical structure in the molecular cloud and
gas inflow from large to small scales. The hub-filament structures at different scales may be organized into a hierarchical system
extending up to the largest scales probed, through the coupling of gravitational centers at different scales.
Conclusions. We argue that the ”funnel” structure in PPV space can be an effective probe for the gravitational collapse motions in
molecular clouds. The large scale gas inflow is driven by gravity, implying that the molecular clouds in G333 complex may be in the
state of global gravitational collapse.

Key words. Submillimeter: ISM – ISM:structure – ISM: evolution – Stars: formation – methods: analytical – techniques: image
processing

1. Introduction

To understand the formation of hierarchical structures in high-
mass star formation regions, it is critical to measure the dy-
namical coupling between density enhancements in giant molec-
ular clouds and gas motion of their local environment (Mc-
Kee & Ostriker 2007; Motte et al. 2018; Henshaw et al. 2020).
Such studies may distinguish between competing concepts for
high-mass star formation, such as monolithic collapse of turbu-
lent cores in virial equilibrium (McKee & Tan 2003; Krumholz
et al. 2007), competitive accretion in a protocluster environ-
ment through Bondi-Hoyle accretion (Bonnell et al. 1997,
2001), turbulence-driven inertial-inflow (Padoan et al. 2020)
and gravity-dominated global hierarchical collapse (Vázquez-
Semadeni et al. 2009; Ballesteros-Paredes et al. 2011; Hartmann

et al. 2012; Vázquez-Semadeni et al. 2017, 2019), as discussed
in Zhou et al. (2022). High-resolution observations show that
density enhancements are organized in filamentary gas networks,
especially in hub-filament systems. In such systems, converging
flows are funneling matter into the hub through the filaments.
Many case studies have suggested that hub-filament systems are
the birth cradles of high-mass stars and clusters (Peretto et al.
2013; Henshaw et al. 2014a; Zhang et al. 2015; Liu et al. 2016b;
Yuan et al. 2018; Lu et al. 2018; Issac et al. 2019; Dewangan
et al. 2020; Liu et al. 2022; Zhou et al. 2022). Numerical simu-
lations of colliding flows and collapsing clumps reveal velocity
gradients along the dense filamentary streams converging toward
the hubs (Wang et al. 2010; Gómez & Vázquez-Semadeni 2014;
Smith et al. 2016; Padoan et al. 2020). In observations, velocity
gradients along filaments are often interpreted as evidence for
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gas inflow along filaments (Kirk et al. 2013; Liu et al. 2016b;
Yuan et al. 2018; Williams et al. 2018; Chen et al. 2019, 2020;
Pillai et al. 2020; Zhou et al. 2022).

Zhou et al. (2022) studied the physical properties and evo-
lution of hub–filament systems in a large sample of proto-
clusters that were observed in the ATOMS (ALMA Three-
millimeter Observations of Massive Star-forming regions) sur-
vey (Liu et al. 2020). They found that hub-filament structures
can exist not only in small–scale (∼0.1 pc) dense cores but also
in large–scale clumps/clouds (∼1-10 pc), suggesting that multi-
scale hub-filament systems at various scales are common in re-
gions forming massive stellar clusters in various Galactic en-
vironments. The filaments in clumps observed in the ATOMS
program show clear velocity gradients. The approximately sym-
metric distribution of positive and negative velocity gradients
strongly indicates the existence of converging gas inflows along
filaments. The observations confirm that high-mass stars in pro-
toclusters may accumulate most of their mass through longitudi-
nal inflow along filaments. Velocity and density fluctuations are
discussed in detail in Henshaw et al. (2020), who detected ubiq-
uitous velocity fluctuations across all spatial scales and galactic
environments and discovered oscillatory gas flows with wave-
lengths ranging from 0.3-400 pc that are coupled to regularly
spaced density enhancements, probably formed via gravitational
instabilities (Henshaw et al. 2016; Elmegreen et al. 2018). Fur-
thermore, the locations of some of these density enhancements
spatially correlate with velocity gradient extrema, indicative of
either convergent motion or collapse-induced rotation (Clarke
et al. 2016; Misugi et al. 2019).

In Zhou et al. (2022), we measured the velocity gradients
around the intensity peaks for all observed cores. The statis-
tical analysis found that velocity gradients are very small at
scales larger than ∼1 pc, probably suggesting the dominance of
pressure–driven inertial inflow, which can originate either from
large-scale turbulence or from cloud-scale gravitational contrac-
tion. Below ∼1 pc, velocity gradients dramatically increase as fil-
ament lengths decrease, indicating that the hub’s or core’s grav-
ity dominates gas infall on small scales. Due to the FOV limita-
tion of ALMA observation, our previous work was restricted to
scales up to about 5 pc. In this paper, following a similar method
as described in Zhou et al. (2022), we can generalize the results
from the clump-core scale to cloud-clump scale.

Fig.1(b) displays an overview three-color map of the ob-
served field by combining ATLASGAL+Planck 870 µm and
GLIMPSE 8.0 and 4.5 µm emission. Fig.1(a) shows the distri-
bution of newly observed 13CO (3−2) emission. The interesting
individual sub-regions are marked and highlighted below. The
main structures of the observed field are the G331 and G333
giant molecular clouds (GMCs), and the G332 ring structure be-
tween them.

The G331 GMC is one of the most massive molecular clouds
in the Southern Galaxy, in the tangent region of the Norma spiral
arm (Bronfman et al. 1989). Using the C18O (1–0) integrated
emission, Merello et al. (2013) defined the central region of the
G331 GMC at l = 331.523◦, b = −0.099◦, with a distance of
7.5 kpc. It may harbor one of the most extended and luminous
regions of massive star formation in the Galactic disk. Caswell
& Haynes (1987) determined that the line central velocity of the
ionized gas is ∼ −89 km s−1 from observations of the H109α
and H110α hydrogen recombination lines, which is similar to
the peak velocity of the molecular gas in the GMC. The detection
of OH and methanol maser emission further provides evidence
of active star formation in the G331 GMC (Goss et al. 1970;
Caswell et al. 1980; Caswell 1998; Pestalozzi et al. 2005).

The G333 GMC, centered at l ∼ 333.2◦, b ∼ −0.4◦, is a
1.2◦× 0.6◦ region in the fourth quadrant of the Galaxy at a dis-
tance of 3.6 kpc (Lockman 1979; Bains et al. 2006). Its gas emis-
sion takes the form of a string of knots. As a part of the Galactic
Ring of molecular clouds at a Galactocentric radius of 3–5 kpc,
the G333 molecular cloud complex contains a diverse sample of
molecular regions as well as a range of high mass star forming
clouds, bright HII regions and infrared point sources, all sur-
rounded by diffuse atomic and molecular gas (Fujiyoshi et al.
2006; Cunningham et al. 2008; Wong et al. 2008; Lo et al. 2009;
Jordan et al. 2013; Lowe et al. 2014). OH, H2O and CH3OH
maser lines as tracers of high-mass star formation have been de-
tected from various sources in the region (Caswell et al. 1980,
1995; Breen et al. 2007; Caswell et al. 2011; Breen et al. 2012).
Towards the G333 GMC, Bains et al. (2006) used the Mopra
22-m radio telescope to identify five distinct velocity features at
−105, −90, −70, −50, and −10 km s−1 with 13CO (1−0) maps.
They also found at least three velocity components (−55, −50,
and −42 km s−1) between −65 and −35 km s−1, with the bright-
est feature at −50 km s−1. Several spiral arms intersect at l ∼
333◦ along the line-of-sight, i.e., the Sagittarius-Carina arm, the
Scutum-Crux arm and the Norma-Cygnus arm (Russeil 2003;
Russeil et al. 2005; Vallée 2008). This region may therefore be
suitable to study the formation of molecular clouds under galaxy
dynamics.

Between the G333 and G331 GMCs, there is a cavity at l ∼
332◦. The upper part presents a ring structure within Galactic
coordinates 332.0◦ < l < 332.8◦ and −0.3◦ < b < 0.4◦. The
principal emission of this ring structure is concentrated between
the velocity range −55 < vLSR < −44 km s−1 (Romano et al.
2019) and the average spectral profiles of the CO lines and CI
show a peak at vLSR = −50 km s−1. The distance of the ring is
determined to be ∼3.7 kpc from the Sun (Romano et al. 2019),
thus the ring and G333 GMC are located in the same region,
referred to as the G333 complex in this work.

2. Observation

2.1. APEX/LAsMA data

We mapped a 3.4◦ × 1.2◦ area centered on (l, b) =
(332.33◦,−0.29◦). The observations were conducted between
March and August of 2022 using the APEX telescope (Güsten
et al. 2006)1. The 7 pixel Large APEX sub-Millimeter Array
(LAsMA) receiver was used to observe the J = 3 − 2 transitions
of 12CO (νrest ∼ 345.796 GHz) and 13CO (νrest ∼ 330.588 GHz)
simultaneously in the upper and lower sideband, respectively.
More details about the receiver are given in Mazumdar et al.
(2021). The local oscillator frequency was set at 338.190 GHz
in order to avoid contamination of the 13CO (3−2) lines due to
bright 12CO (3−2) emission from the image band. The whole ob-
served region was divided into two parts, the first part is from l ∼
332◦ to l ∼ 334◦, the second part is from l ∼ 330.6◦ to l ∼ 332◦.
Each part was further divided into sub-maps of size 10′ × 10′
each. Observations were performed in a position switching on-
the-fly (OTF) mode. Although the reference-positions were care-
fully chosen, the reference-position of the first part still has emis-
sion present in the velocity range of −140 to 10 km s−1 (see Ap-
pendix B for details about how the issue was solved).

1 This publication is based on data acquired with the Atacama Pathfinder EX-
periment (APEX). APEX is a collaboration between the Max-Planck-Institut für
Radioastronomie, the European Southern Observatory and the Onsala Space Ob-
servatory.
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Fig. 1. Overview of the entire observed field. The enlarged maps in the first row display several typical hub-filament structures. (a) Background
is the integrated intensity map of 13CO (3-2) for the G333 complex, boxes show several divided sub-regions. Letters mark the sub-structures
studied in this work. Red contours show the peak emission of 13CO (3-2); (b) An overview three-color map of the observed field by combining
ATLASGAL+Planck 870 µm (red) and GLIMPSE 8.0 (green) and 4.5 µm (blue) emission, including G333 complex and G331 GMC.

The data were calibrated using a three load chopper wheel
method, which is an extension of the “standard” method used
for millimeter observations (Ulich & Haas 1976) to calibrate the
data to the antenna temperature T ∗A scale. The data was reduced
using the GILDAS package2. A velocity range of −190 to 60
km s−1 was extracted for each spectrum and resampled to an ad-
equate velocity resolution of 0.25 km s−1 to reduce the noise.
The velocity range −140 to 10 km s−1 was masked before fitting
a first order baseline to each spectrum. The reduced, calibrated
data obtained from the different scans were then combined and
gridded using a 6′′ cell size. The gridding process includes a con-
volution with a Gaussian kernel with a FWHM size of one-third
the telescope FWHM beam width. The data cubes obtained have
a final angular resolution of 19.5′′ comparable with the resolu-
tion of the ATLASGAL survey.

2 http://www.iram.fr/IRAMFR/GILDAS

After the online calibration, the intensities are obtained on
the T ∗A (corrected antenna temperature) scale. Apart from the
atmospheric attenuation, this also corrects for rear spillover,
blockage, scattering and ohmic losses. A beam efficiency value
ηmb = 0.71 (Mazumdar et al. 2021) was used to convert intensi-
ties from T ∗A to the main beam brightness temperature Tmb. The
final noise levels of the 12CO (3–2) and 13CO (3–2) data cubes
are ∼0.32 K and ∼0.46 K, respectively. In the rest of paper, we
focus on the analysis of the 13CO (3-2) emission. The informa-
tion from both lines will be combined in a forthcoming paper.

2.2. Archival continuum emission data

The observed region was covered in the infrared by the
GLIMPSE survey (Benjamin et al. 2003). The images of the
Spitzer Infrared Array Camera (IRAC) at 4.5 and 8.0 µm were
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Fig. 2. Average spectra of 13CO (3−2) for the entire region, red dashed
profiles represent the components of multi-Gaussian fitting.

retrieved from the Spitzer Archive. The angular resolutions of
the images in the IRAC bands are ∼ 2′′. We also used ATLAS-
GAL+Planck 870 µm data (ATLASGAL combined with Planck
data), which are sensitive to a wide range of spatial scales at a
resolution of ∼ 21′′ (Csengeri et al. 2016).

3. Results

3.1. Velocity components

The average emission spectrum of 13CO (3−2) coming from the
entire observed field is shown in Fig. 2, together with Gaussian
curves used to fit the average spectrum. The fitting is carried
out using the GAUSSPY+ software (Riener et al. 2019), which
will be introduced in detail below. We have divided the spec-
trum into three velocity components [−120, −76] km s−1, [−76,
−60] km s−1 and [−60, −35] km s−1 in which emission is promi-
nent, marked as peak1, peak2 and peak3. From Fig. 3, we can
see the velocity components peak1 and peak2 represent the main
two parts of the G331 GMC, called G331 GMC-blue and G331
GMC-red. peak3 shows a very extended structure all over the
observed region with the G333 GMC and G332 ring as the main
parts. There are four main ATLASGAL clump clusters marked
by A, B, C and D in Fig.3(a) (Urquhart et al. 2018, 2022), they
well correspond to different velocity components shown in the
moment-1 maps of 13CO (3−2) (Fig.3(b)). peak1 and peak2 as-
sociate with the clump clusters C and D. Both A and B clump
clusters are located in the velocity component peak3. peak1 is
relatively independent of peak2 and peak3, but the dominant fea-
tures in peak2 and peak3 appear have some overlap, yet they can
be separated. Hence, we fit Gaussian functions in order to min-
imise the effects of cross-contamination. peak2 and peak3 can
be distinguished by the full width at half maximum (FWHM).
In this paper, we mainly focus on peak3 with a velocity range
[−60, −35] km s−1, which represents a complete shell structure
shown in Fig. 3(e). The association between peak1, peak2 and
peak3 will be discussed in detail in a forthcoming paper.

In order to study the structure of the molecular cloud com-
plex in position-position-velocity space, we applied the fully au-
tomated Gaussian decomposer GAUSSPY+ (Lindner et al. 2015;
Riener et al. 2019), which can decompose the complex spec-
tra of molecular lines into multiple Gaussian components. The
most important four parameters in the algorithm are the first and
second smoothing parameters α1 and α2, signal-to-noise (SNR)
and significance criterion. To determine the smoothing param-
eters α1 and α2, sets with 500 randomly selected spectra from
the 13CO (3−2) cube were used to train GAUSSPY+. The default
values of SNR and significance are 3 and 5, but considering that
the moment-1 map needs a 5σ threshold to show a clear velocity

field, we adjust the value of SNR to 5. Other parameters for the
decomposition are set to the default values provided by Riener
et al. (2019).

As shown in Fig. 4, the velocity components separated by
the average spectrum is consistent with the decomposition of
GAUSSPY+, with the three main velocity components well sep-
arated in PPV space. Different from peak1 and peak2, for peak3,
no matter the projection on Galactic longitude or latitude, we can
see a large-scale continuous structure, indicating the structures
in peak3 are physically connected. Especially, the overall struc-
ture of peak3 consists of a large-scale shell structure extended
from l = 330.6◦ to l = 334◦. It may be generated by a large-
scale compression, such as the shock from supernova explosion
events, which will be investigated in a forthcoming paper.

The entire G333 complex seems to have fragmented into
several independent molecular clouds, they are treated as sub-
regions marked in Fig. 1, such as s3. Sub-structures in each sub-
region marked by letters in Fig. 1(a) are divided by the bright
emission of 13CO (3-2) shown in red contours, such as s3a. From
Fig. 1(b) and Fig. 3(a), we can see the dense parts of 13CO (3−2)
emission tightly correlate with the infrared bright regions. The
overlap of different velocity components in sub-regions 5 and
7 is significant, as shown in Fig.3(a). However, these two sub-
regions only include a few structures in the velocity range [−60,
−35] km s−1, thus they are subordinate in G333 complex.

Through the above analysis, we see that the G331 GMC and
the G333 complex overlap on the sky, but they have different
velocities and lie at very different distances. Given that the G333
region is closer to us, we focus the remainder of the paper on it.

3.2. Identification of filaments

The first step is to identify and characterize filaments in the G333
complex. Following the method described in Zhou et al. (2022),
we use the Moment 0 maps (the integrated intensity maps) of
13CO (3−2) to identify filaments in the G333 complex using the
FILFINDER algorithm (Koch & Rosolowsky 2015). The veloc-
ity intervals for making Moment 0 maps are determined from
the averaged spectra of each sub-region, marked by vertical dot-
ted lines in Fig. A.1. Moreover, a threshold of 5σ is applied to
make the moment maps, which can reduce the noise contamina-
tion effectively. The skeletons of identified filaments overlaid on
the moment-0 maps of 13CO (3-2) line emission are shown in
Fig. 5. They are highly consistent with the gas structures traced
by 13CO (3-2) as seen by eye, indicating that the structures iden-
tified in FILFINDER are reliable. Then for each sub-region, we
break the filamentary network into several filaments. This step is
necessary to calculate the offset along the filament before fitting
the velocity gradient. To show the velocity field along the fila-
ment more clearly, we try to make each filament long enough.

Considering that each sub-region includes many sub-
structures, it is not surprising that their average spectra will show
multiple velocity peaks. In Fig. A.1, the average spectra of G333-
s3 clearly shows multiple components. We separate out each
peak in the line profile, and find that each peak indeed corre-
sponds to a sub-structure. This situation may also exist in other
sub-regions. However, generally these sub-structures are well
spatially separated and thus do not have a significant impact on
the moment maps analysis.

Fig. 6 displays the GAUSSPY+ decomposition of each sub-
region in PPV space. From there, we can see the main structures
of each sub-region are connected in PPV space and thus unlikely
to be contaminated by velocity components from unrelated fore-
ground or background cloud emission. Moreover, after we ex-

Article number, page 4 of 25



J.W. Zhou et al.: Gas kinematics of multi-scale hub-filament structures

(a)

(c)

(d)

(e)

peak1 , [-120, -76] km/s

peak2 , [-76, -60] km/s 

peak3 , [-60, -35] km/s

A

(b)

entire, [-120, -35] km/s

1

2

3

7 6
5

4

B

D

C

G333 complex

G331 GMC

G331 GMC-blue

G331 GMC-red

G333 complexG333 GMC

G332 ring

Fig. 3. ATLASGAL clumps distribution and velocity components of the entire observed field. (a) Background is the integrated intensity map of
13CO (3−2), color-coded "+" mark different ATLASGAL clump clusters A (green), B (orange), C (red) and D (magenta); (b) The moment-1 map
of 13CO (3−2) for the entire region in the overall velocity range; (c), (d) and (e) The moment-1 map of 13CO (3−2) for three peaks marked in
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Table 1. Properties of ATLASGAL clumps associated with the intensity peaks of 13CO (3−2) emission (orange circles in Fig. 7), which are treated
as hubs in this work. ∆V and L represent the velocity gradient and the length of the filament. As shown in Fig. 7, there are two velocity gradients
around one intensity peak, marked as ’1’ and ’2’. However, here we only reserve the good fittings, thus many hubs only have the velocity gradient
of one side.

Clump log(M) Radius Tdust log(Lum) vLSR ∆V1 L1 ∆V2 L2
(M�) (pc) (K) (L�) (km s−1) (km s−1 pc−1) (pc) (km s−1 pc−1) (pc)

AGAL332.094−00.421 3.155 0.865 28.4 4.789 −56.5 −2.97 1.4 1.9 1.1
AGAL332.312−00.556 2.947 0.831 21.4 3.835 −51.9 0.9 1.9 −1.76 0.6
AGAL332.351−00.436 3.034 0.935 18.3 3.483 −47.6 −0.58 6.0
AGAL332.411−00.471 2.618 0.502 19.3 2.694 −55.8 0.3 6.0 −0.49 5.0
AGAL332.467−00.522 3.162 0.848 19.8 3.864 −52.6 0.2 3.0 −2.25 0.8
AGAL332.606−00.854 2.569 0.537 19.8 3.088 −56.2 −0.53 2.0 2.0 1.0
AGAL332.647−00.609 3.549 1.35 28.3 5.195 −49.2 −2.7 2.0 3.7 1.0
AGAL332.694−00.612 3.184 0.813 26.6 4.466 −47.6 −7.84 1.0 9.7 1.0
AGAL332.694−00.612 3.184 0.813 26.6 4.466 −47.6 3.3 0.8 −4.59 1.0
AGAL332.726−00.621 2.407 0.294 24.8 3.456 −49.7 −3.2 0.7 1.5 0.8
AGAL332.751−00.597 2.964 1.038 24.7 3.937 −53.1 0.8 1.8
AGAL332.762−00.641 2.32 0.623 22.4 3.313 −50.4 −4.14 0.6 0.9 1.7
AGAL332.826−00.549 3.724 1.367 31.4 5.543 −57.3 −0.58 6.7 2.7 1.0
AGAL332.826−00.549 3.724 1.367 31.4 5.543 −57.3 −2.65 2.5 3.1 1.0
AGAL332.826−00.549 3.724 1.367 31.4 5.543 −57.3 −0.86 8.5
AGAL332.892−00.569 2.595 0.485 19.7 3.19 −57.3 −1.49 1.5 0.9 2.0
AGAL332.866−00.587 2.364 0.169 23.3 3.113 −58.1 −1.59 1.0
AGAL332.962−00.679 3.305 0.779 22.5 4.225 −48.5 2.0 3.0 −1.53 5.5
AGAL332.969−00.737 2.785 0.64 13.5 2.525 −55.6 −3.7 1.0 3.9 1.0
AGAL332.995−00.519 2.511 0.467 18.2 2.593 −52.8 3.3 1.0
AGAL333.001−00.436 2.848 0.865 35.7 4.989 −55.4 −3.4 0.7 1.0 2.5
AGAL333.013−00.466 2.821 0.606 34.5 4.968 −53.3 −1.74 1.2 3.4 0.6
AGAL333.014−00.521 2.986 1.056 22.6 4.152 −53.2 −2.58 1.0 1.3 2.0
AGAL333.053+00.029 3.017 1.056 29.2 4.398 −45.3 1.1 1.4 −0.42 2.1
AGAL333.071−00.399 3.281 0.969 19.1 3.744 −53.3 0.9 1.2
AGAL333.071−00.399 3.281 0.969 19.1 3.744 −53.3 −1.14 1.5 0.2 9.0
AGAL333.089−00.352 2.347 0.692 28.1 3.95 −52.7 0.6 2.5
AGAL333.094−00.524 2.728 0.623 26.5 3.966 −57.6 −1.64 1.5 0.8 3.5
AGAL333.103+00.087 2.071 0.169 17 2.119 −44.9 0.3 2.0 −0.26 3.0
AGAL333.103−00.502 3.251 1.367 25.5 4.601 −55.8 −0.81 6.0 1.3 1.0
AGAL333.129−00.559 3.843 1.402 16.1 3.983 −56.4 −0.8 4.0 2.4 2.0
AGAL333.134−00.431 3.959 1.506 32 5.823 −51.9 −3.3 1.3 2.0 1.7
AGAL333.169−00.431 2.959 0.831 23 4.052 −50.8 −0.63 2.2 2.0 1.3
AGAL333.248+00.054 3.27 1.454 26.3 4.706 −46.9 −0.81 5.5
AGAL333.264−00.291 2.229 0.485 27.4 3.951 −52.2 −3.4 0.8
AGAL333.284−00.387 3.678 1.211 32.1 5.435 −51.6 0.7 3.0
AGAL333.284−00.387 3.678 1.211 32.1 5.435 −51.6 −1.66 1.8 2.5 1.0
AGAL333.308−00.366 3.561 1.246 34 5.544 −50.2 −4.51 0.4 0.9 3.8
AGAL333.308−00.366 3.561 1.246 34 5.544 −50.2 2.8 1.0
AGAL333.308−00.366 3.561 1.246 34 5.544 −50.2 −2.5 1.2 2.8 0.7
AGAL333.308−00.366 3.561 1.246 34 5.544 −50.2 −0.32 6.0 0.2 6.0
AGAL333.314+00.106 2.901 0.71 23.3 3.922 −47.7 2.4 1.3 −0.88 2.7
AGAL333.466−00.164 3.427 1.038 24.6 4.591 −42.5 2.3 1.5 −1.57 5.0
AGAL333.483−00.246 3.133 0.623 18 3.255 −50.4 −1.57 5.0
AGAL333.499−00.329 2.163 0.433 23.9 3.244 −50.2 −2.18 1.0
AGAL333.506−00.101 2.653 0.744 19.7 3.096 −42.8 1.3 2.0
AGAL333.524−00.269 3.488 1.54 22.5 4.252 −48.8 −0.42 3.5 4.9 1.3
AGAL333.524−00.269 3.488 1.54 22.5 4.252 −48.8 −1.41 0.7
AGAL333.539−00.242 2.93 0.727 22.8 3.873 −48.9 −0.79 2.5 1.5 1.0
AGAL333.566−00.296 2.982 1.09 21.7 3.881 −46.7 −2.56 1.9 1.3 3.3
AGAL333.651−00.334 2.832 0.796 18.2 3.083 −47.1 −1.51 3.5 1.6 1.0
AGAL333.683−00.256 2.83 0.883 28.3 4.18 −48.1 −2.83 1.0 0.9 1.5
AGAL333.696−00.231 2.519 0.398 29.7 3.653 −46.7 −0.29 4.8
AGAL333.774−00.256 2.993 0.692 15.5 3.061 −49.5 −2.7 1.3 1.0 0.7
AGAL331.706−00.266 2.674 0.661 16.1 2.631 −49 −0.92 1.6
AGAL331.856−00.126 3.05 0.947 18.2 3.539 −50.1 −0.39 3.2
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Table 2. Remaining part of Table 1. Usually one clump corresponds to one hub. Here 2 or 3 clumps separated by the gap indicate that the 2 or 3
clumps together form a hub.

Clump log(Mass) Radius Tdust log(Lum) vLSR ∆v1 L1 ∆v2 L2
(M�) (pc) (K) (L�) (km s−1) (km s−1 pc−1) (pc) (km s−1 pc−1) (pc)

AGAL332.166+00.126 2.515 0.541 14.4 2.316 −49.9 −0.65 2.0 0.7 3.5
AGAL332.226−00.124 2.892 0.556 15.4 2.579 −50.8 −2.63 1.0 1.6 2.0
AGAL332.226−00.124 2.892 0.556 15.4 2.579 −50.8 −1.57 1.5 2.9 0.7
AGAL332.241−00.044 3.226 0.917 17 3.526 −48.1 −1.45 1.0 3.0 1.0
AGAL332.254−00.056 2.862 0.421 14.3 2.675 −47.7 0.8 1.7
AGAL332.296−00.094 3.15 0.932 24 4.303 −48.2 0.6 3.0 −0.36 2.5
AGAL332.317+00.177 2.576 0.406 13.6 2.223 −48.6 2.0 0.5
AGAL332.352−00.116 2.513 0.601 27.9 3.887 −49.8 −0.39 5.0 0.5 2.0
AGAL332.442−00.139 2.723 0.421 18.3 2.669 −51.3 0.7 2.0
AGAL332.469−00.131 2.643 0.556 20.3 3.088 −50.5 1.8 1.2 −1.3 1.2
AGAL332.544−00.124 2.857 1.037 32.5 4.591 −47.5 −1.92 2.4
AGAL332.604−00.167 3.185 1.052 17.7 3.371 −46.2 −0.89 1.6

AGAL332.141−00.466 2.66 0.571 24.2 3.495 −57
AGAL332.144−00.469 2.711 0.883 24.5 4.203 −58 3.0 0.8

AGAL332.141−00.446 2.883 0.71 27.7 4.76 −56.3
AGAL332.147−00.439 2.371 0.169 26.9 3.974 −57.9
AGAL332.156−00.449 3.239 1.004 30 5.078 −55.6 3.0 0.9

AGAL332.252−00.539 2.821 0.45 17.8 2.608 −52.9
AGAL332.281−00.547 3.133 0.71 16.9 3.299 −52.2 −1.73 1.0 2.2 1.0

AGAL333.521−00.241 2.713 0.415 20 2.93 −48.8
AGAL333.524−00.269 3.488 1.54 22.5 4.252 −48.8 2.3 1.0 −1.36 1.0

AGAL332.442−00.139 2.723 0.421 18.3 2.669 −51.3
AGAL332.469−00.131 2.643 0.556 20.3 3.088 −50.5 −0.74 2.0 0.7 4.5

AGAL332.751−00.597 2.964 1.038 24.7 3.937 −53.1
AGAL332.774−00.584 3.103 1.038 23 4.183 −55.2 −1.74 3.3 5.6 1.0

Galactic latitude (deg)

Velocity (km
/s)

Galactic longitude (deg)

(a) (b)

peak1

peak2

peak3

peak1

peak2

peak3

Fig. 4. The velocity distribution of the entire observed field in PPV space decomposed by GAUSSPY+ along the Galactic latitude and longitude.

tract the velocity and intensity information along the filament
skeletons, if there is overlap of unrelated velocity components,
we should find anomalies in Fig. 7, such as a sudden break at
a certain position of the skeleton. However, that is not the case
in our analysis. Furthermore, we only analyze the variations of
velocity and intensity along the filament skeletons with a one
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Fig. 5. Background images show the moment 0 maps of 13CO (3-2). Lines in color present the filament skeletons. Orange circles show the
ATLASGAL clumps, the size of the circle represents the clump radius. Red ’+’ marks the intensity peak of 13CO (3-2) emission in Fig. 7.

pixel width, which can also effectively avoid potential overlap. In
Zhou et al. (2022), we found that multiple velocity components
are common in hub-filament systems, especially in hub regions.
Furthermore, the observed samples in Zhou et al. (2022) with or
without multiple velocity components show similar results, such
as the velocity gradient estimated from moment maps.

To say the least, we can assume that most of the pixels above
the filaments have a single velocity component or have a domi-
nant velocity component, and then we compare the fitting results
with the free-fall model and previous results from ALMA data,
if they are consistent, indicating that the hypothesis is reason-
able. That is the case in our work. Conversely, if the overlap of
velocity components is significant, the fitted velocity gradient
should be free without the regularities shown in our work, be-
cause the overlap of unrelated velocity components is random.
From Fig. 7, we can see good correlations between velocity and
density fluctuations, which is consistent with previous studies
Hacar & Tafalla (2011); Henshaw et al. (2014b, 2016); Liu et al.
(2019); Henshaw et al. (2020). The variation of the velocity gra-
dient with the scale shown in Fig. 8 is also consistent with the
results in Zhou et al. (2022).

3.3. Velocity gradients

The kinematical features of hub-filament systems can be re-
vealed by the velocity gradients along the filaments. However,
it is difficult to directly carry out the measurement in PPV space
due to the complex gas motion shown in Fig. 4. In Zhou et al.
(2022), we investigate the presence of hub-filament systems in a
large sample of 146 proto-clusters using H13CO+ J=1-0 molec-
ular line in ATOMS survey. The strongest intensity peaks of
H13CO+ emission coincide with the brightest 3 mm cores or hub
regions in those hub-filament systems. We find that filaments
are ubiquitous in proto-clusters, velocity and density fluctuations
along these filaments are seen. We firstly estimated two overall
velocity gradients between velocity peaks and valleys at the two
sides of the center of the gravitational potential well, and ignored
local velocity fluctuation. We also derived additional velocity
gradients over smaller distances around the strongest intensity
peaks of H13CO+ emission (see Fig. 6 in Zhou et al. 2022). In
this work, the same method is used to derive the velocity gra-
dients from the LAsMA data. Then the fitted velocity gradients
derived from the LAsMA and ALMA data are combined for a
statistical analysis, as shown in Fig. 8.
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Fig. 6. The intensity and velocity distribution of sub-regions in PPV space based on the decomposition of GAUSSPY+. For other sub-regions, see
Fig. A.2 and Fig. A.3 in Sec. A.

Fig. 7 shows the intensity-weighted velocity (Moment 1) and
integrated intensity (Moment 0) of 13CO (3−2) line emission
along the skeletons of selected filaments with intense veloc-
ity and density fluctuations along these filaments. Generally,
the peaks of the density fluctuations are associated with AT-
LASGAL clumps as shown in Fig. 5. The density and velocity
fluctuations along filaments may indicate converging gas flows
coupled to regularly spaced density enhancements that proba-
bly form via gravitational instabilities (Henshaw et al. 2020). In
Fig. 7, we can see the typical V-shape velocity structure around
the intensity peaks, which we fit as velocity gradients on both
sides of the intensity peak marked by the straight lines. Fig. 7(a)
shows a more complex velocity field with more repetitive seg-
ments than the simple structure in Fig. 7(b). Gas kinematics of
other long filaments in Fig. 5 are similar to Fig. 7(a). For the
long filaments, except for the local velocity fluctuations or gradi-
ents, they also exhibit velocity gradients on larger scales, which

are fitted by ignoring the local velocity fluctuations. Generally,
large-scale velocity gradients are associated with several inten-
sity peaks.

3.4. Hub-filament structure

Each sub-region marked in Fig. 1(a) contains many sub-
structures, which are nearly separated from each other, except
for several crowded regions. Red contours from ∼50% of the
integrated intensity of the 13CO (3-2) emission show the high
density parts of various structures. In Fig. 1, several typical hub-
filament structures are highlighted in the first row, see also Fig. 5
for more details. We can see filamentary structures connected
to high-density hubs. Other sub-structures in the entire observed
region have more or less similar morphology. Some differences
are expected, since the appearance of hub-filament morphology
relies on the projection angle and the resolution of observation.
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s2a-f1 s3a-f2

Fig. 7. Two selected filaments are used to illustrate the fitting of the velocity gradient. Upper panel: Velocity gradients are fitted in the ranges
defined by the red vertical dashed lines, and straight lines show the linear fitting results. Lower panel: Blue and red dotted lines show the normalized
velocity and intensity, respectively. Orange circles mark the intensity peaks of 13CO (3−2) emission associated with ATLASGAL clumps. For other
filaments, see Fig. A.4, Fig. A.5, Fig. A.6, Fig. A.7 and Fig. A.8 in Sec. A.

Moreover, most structures have the typical kinematic features of
hub-filament systems, as discussed in next sections. For exam-
ple, the peaks of intensity (the hubs) are associated with the con-
verging velocities, indicating that the surrounding gas flows may
be converging to dense structures. Especially, velocity gradients
increase at small scales.

Orange circle in Fig. 7 marks the intensity peak of 13CO
(3−2) emission associated with an ATLASGAL clump where the
distance between the central coordinate of ATLASGAL clump
and the intensity peak of 13CO (3−2) emission is less than the
effective radius of ATLASGAL clump. These associated clumps
are treated as hubs in this work, their properties are listed in
Table 1. In the second part of Table 1, some of the peaks have
more than one corresponding ATLASGAL clumps and we have
added those together, as indicated by a space in the table. We fo-
cus on their mass, effective radius and the corresponding veloc-
ity gradients. However, as shown in Fig. 7, there are also many
peaks of 13CO (3−2) emission without corresponding clumps,
thus not included in the table, but they are similar to the peaks
associated with clumps. Generally, large-scale velocity gradi-
ents involve many intensity peaks with or without corresponding
clumps, thus it is difficult to estimate the properties of their hubs,
therefore these are not given in the table.

3.5. Funnel structure

If we compare the velocity gradients of molecular gas to iron fil-
ings, just as the iron filings can reflect the shape of a magnetic
field, the distribution of velocity gradients may to some extent
reflect the shape of the force field that plays the dominant role
in the molecular clouds. Below, we will investigate the distri-
bution of the molecular velocity gradients in PPV space. In the
case of gravitational free-fall onto a central point mass, veloci-
ties change as v ∝ r−1/2 (r =

√
x2 + y2). In the case of collapse

driven by the gravity of a gaseous mass with a certain density
profile, the radial dependence of the infall speed depends on the
slope of the density profile (Gómez et al. 2021). In either case,
this results in a ‘funnel’ morphology of the velocity field in PPV
space, as illustrated in Fig. 9. The exterior cloud velocities show
only gentle variations (small velocity gradient, funneling mate-
rial from cloud to clump), while the velocities in the interior part
near the center change dramatically with scales (large velocity
gradient, funneling material from clump to core). We note that

the schematic in Fig. 9 is oversimplified. Generally a molecular
cloud contains many clumps inside, and a clump also contains
many cores. Here, we choose only one clump and one core to
demonstrate the gas inflow and the variation of the velocity gra-
dient from the molecular cloud scale to the core scale. A more
realistic case is shown in Fig. 6, here we indeed find most of
sub-structures show the expected funnel structures in PPV space.
Particularly, close to the intensity peak, the velocity gradient in-
creases steeply, also reflected in Fig. 7.

Moreover, the V-shape velocity structure around the intensity
peaks indicates accelerated material inflowing towards the cen-
tral hub (Gómez & Vázquez-Semadeni 2014; Kuznetsova et al.
2015; Hacar et al. 2017; Kuznetsova et al. 2018; Zhou et al.
2022), which can be seen in Fig. 7 everywhere. The V-shape
velocity structure can be treated as the projection of the funnel
structure from PPV space to PV plane. Hence, the funnel struc-
tures in PPV space can be an effective probe for the gravitational
collapse motions in molecular cloud.

4. Discussion

4.1. Characteristic scale ∼1 pc

In this work, we have investigated gas motions on sufficiently
large scales, the longest filament ∼50 pc, obtaining similar re-
sults to previous small-scale ALMA observations. We fitted a
wide range of values of the velocity gradients, as shown in
Fig. 8(a). The velocity gradients are small at large scales, while
they become significantly larger at small scales (. 1 pc), as is the
case in the ATOMS survey (Zhou et al. 2022). For both ALMA
and LAsMA data, most of the fitted velocity gradients concen-
trate on the scales ∼ 1 pc, as shown in Fig. 8. This is consistent
with the fact that 1 pc is considered as the characteristic scale
of massive clumps (Urquhart et al. 2018). In Fig. 8, the varia-
tion of velocity gradients with scales is comparable with the ex-
pectations from gravitational free-fall, in the sense that the gra-
dient decreases smoothly with increasing scale. Fig. 10(c) and
(d) show similar results to Fig. 8, but only consider the velocity
gradients associated with ATLASGAL clumps, listed in Table 1.
Especially, in Fig. 10(c), the required central mass in the fitted
free-fall model is consistent with the mass distribution observed
in Fig. 10(b).
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Fig. 8. Statistical analysis of all fitted velocity gradients. (a) Velocity
gradient versus the length over which the gradient has been estimated
for all sources in ATOMS survey (red dots) and current LAsMA obser-
vation (black ’+’). The color lines show free-fall velocity gradients for
comparison. For the free-fall model, yellow, blue, cyan and green lines
denote masses of 5 M�, 500 M�, 5000 M� and 50000M�, respectively;
(b), (c) and (d) Blow-up maps with lengths < 1 pc (small scale), ∼ 1 –
7.5 pc (middle scale) and > 7.5 pc (large scale) in panel (a).

4.2. Evidence for Gravitational Acceleration

Fig. 10(a) displays the probability distribution of velocity gradi-
ents measured around 1 pc (0.8∼1.2 pc), showing that the most
frequent velocity gradient is ∼ 1.6 km s−1 pc−1. Assuming free-
fall,

∇V f ree = −
d

dR

√
2GM

R
=

√
GM
2R3 , (1)

we estimate the kinematic mass corresponding to 1 pc is ∼
1190 M�, which is comparable with the typical mass of clumps

in the ATLASGAL survey (Urquhart et al. 2018). In Fig. 10(b),
the peak of the associated clump’s mass distribution is also
around ∼ 1000 M�. Thus the clump may be a gravity-dominated
collapsing object, also consistent with the survey results that
most Galactic parsec-scale massive clumps seem to be gravita-
tionally bound no matter how evolved they are (Liu et al. 2016a;
Urquhart et al. 2018; Evans et al. 2021).

Based on Eqn. 1, we can use the values of M, L and ∇V
listed in Table 1 to compare observations to the simple theory.
In Fig. 11, the observed and predicted accelerations do show a
clear correlation, strong evidence for gravity accelerating the gas
inflow. The scatter in Fig. 11 is to be expected because we mea-
sure only the projection of the realistic velocity vector and hence
acceleration. For the same reason, we tend to underestimate the
observed acceleration. Moreover, in Table 1, we only selected
the ATLASGAL clumps associated with the intensity peaks of
the 13CO (3−2) emission (a deviation within the effective radius
of the clump), thus some of them are not the exact gravitational
centers. Despite these caveats, the correlation between observa-
tions and predictions for the denser clumps is quite good. The
less dense clumps tend to lie above the line of equality, suggest-
ing their masses underestimate the total mass contributing to the
gravitational acceleration.

4.3. Large-scale inflow driven by gravity

As shown in Fig. 8 and Fig. 10, the velocity gradients fitted to the
LAsMA and ALMA data agree with each other over the range
of scales covered by ALMA observations in the ATOMS sur-
vey (< 5 pc). Interestingly, the variations of velocity gradients
at small scales (< 1 pc), middle scales (∼ 1-7.5 pc) and large
scales (> 7.5 pc) are consistent with gravitational free-fall with
central masses of ∼ 500 M�, ∼ 5000 M� and ∼ 50000 M�. It
means the velocity gradients on larger scales require larger mass
to maintain, which is also revealed by the funnel structure shown
in Fig. 9. Indeed, larger masses imply larger scales, that is to
say, the larger scale inflow is driven by the larger scale struc-
ture which may be the gravitational clustering of smaller scale
structures (Sec. 4.4), consistent with the hierarchical structure in
molecular clouds and the gas inflow from large to small scales.
Thus the large scale gas inflow may also be driven by gravity,
with the molecular clouds in G333 in the state of globally grav-
itational collapse, which is consistent with the argument that
these molecular clouds act as cloud-scale hub-filament struc-
tures, see the description in Sec. 3.4. Moreover, as described in
Sec. 3.5, the funnel structure of the velocity field shown in PPV
space also tends to support the large-scale gravitational collapse
of the molecular clouds in G333 complex.

4.4. Hierarchical gravitational structure in molecular cloud

The scales of hub-filament structures (cloud-scale) in this work
are much larger than the ones (clump-scale) in Zhou et al.
(2022). Each large-scale hub-filament structure will contain
many sub-structures, thus the kinematic structure will be very
complex. Nevertheless, if they are hub-filament systems, we ex-
pect that they have similar kinematic features like the clump-
scale hub-filament system. A hub-filament system must have
a common gravitational center, which will dominate the over-
all gravitational field, thus the velocity field. In Fig. 4, although
there are many sub-structures in each sub-region, which cause
many velocity and density fluctuations, globally, the entire large-
scale structure still displays the funnel structure. As discussed in
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Fig. 9. Schematic diagram of the ‘funnel’ structure in PPV space and on PP plane. PP plane shows a multi-scale hub-filament structure in a
molecular cloud, which can turn to a ‘funnel’ structure in PPV space. Red arrow represents the gas inflow.

Sec. 3.3 and Sec. 4.3, large-scale velocity gradients always in-
volve many intensity peaks, and the larger scale inflow is driven
by the larger scale structure, implying the clustering of local
small-scale gravitational structures can act as the gravitational
center on larger scale. To some extent, the funnel structure gives
an indication of the gravitational potential well formed by the
clustering.

Both Zhou et al. (2022) and this work find that when the
scale is less than ∼1 pc, the gravitationally dominated gas infall
can become apparent. Thus, relatively small-scale hub–filament
structures will have better and more recognizable morphology
than large-scale ones due to the strong local gravitational field.
For the large-scale hub–filament structures, background turbu-
lence is more likely to disturb their morphology due to weaker
gravitational confinement on large scales, thus they are more
"blurred". Zhou et al. (2023) suggested for the interpretation of
the formation of the large-scale hub-filament structure in W33
complex, that IRDCs and ATLASGAL clumps in W33-blue can
be treated as small-scale hub–filament structures, W33-blue it-
self as a huge hub–filament structure. Thus there may be a self-
organization process from small-scale hub–filament structures to
a large-scale one. If the large scale gravitational center is the
clustering of small scale ones, compared to the latter, large scale
gravity center will be more loose, thus its ability to control the
gas motions on large scale is also weaker, reflected as the loose
funnel structure and small velocity gradient, as shown in this
work. In Fig. 6, the small-scale structures indeed have clearer
funnel structures than the large-scale ones, implying the role of
gravity in shaping the funnel structure.

4.5. G333 in Context of Galactic Molecular Clouds

The same region of the sky, with slightly larger area (332.6◦ <
l < 333.8◦ and −0.8◦ < b < 0.1◦), has also been studied by
Nguyen et al. (2015), using CO and 13CO (1-0) emission and
archival data. They call the G333 GMC the RCW 106 complex
after the associated HII region. They determined the following
properties for the RCW 106 complex: the total effective diam-
eter is 183 pc, the mass is 5.9 × 106 M�, and the mass surface
density is 220 M� pc−2. The virial parameter for the whole com-

plex is 0.35, making it strongly gravitationally bound; since the
cloud is elongated, they include a linear analysis that also implies
a strongly bound cloud. These properties would make the G333
GMC stand out as one of the largest, most massive complexes in
the Galaxy (cf Fig. 7 of Miville-Deschênes et al. 2017), and one
of the few that is gravitationally bound (cf Fig. 2 of Evans et al.
2021). However, Nguyen et al. (2015) took the velocity range
of the RCW 106 complex as [-80, -40] km s−1. As discussed
in Sec. 3.1, after a careful decomposition of velocity compo-
nents, we find the velocity range [-80, -40] km s−1 also includes
G331 GMC; thus the mass of the G333 GMC is overestimated
in Nguyen et al. (2015). The catalog of Miville-Deschênes et al.
2017, restricted to the velocity range of peak3, yields a mass
for the G333 cloud traced by CO 1-0 emission of ∼ 1.7 × 106

M�, with the surface density ∼ 120 M� pc−2. Tracers that are bi-
ased toward higher volume densities find progressively smaller
masses. Karnik et al. (2001) made a far-infrared (FIR) 150 and
210 µm dust emission study of the region, using the canonical
gas:dust ratio of 100, they measure a total GMC mass of ∼ 1.8×
105 M�. This is consistent with the total mass of ∼ 1 × 105 M�
estimated by Mookerjea et al. (2004) from a 1.2-mm cold dust
continuum emission map and the same gas-to-dust ratio. These
estimates show the decreasing fraction of mass in progressively
denser regions.

The lower total mass from CO 1-0 based on the catalog of
Miville-Deschênes et al. (2017) still makes the G333 complex
one of the most massive in the Milky Way. Analysis of the
RCW HII region yields a stellar mass of 48 × 103 M�; assum-
ing a timescale of 0.2 Myr (the lifetime of an O7 star), Nguyen
et al. (2015) derive a star formation rate so far of 0.25 M�Myr−1

and an efficiency (M∗/Mgas) of 0.008. The very high star for-
mation rate led Nguyen et al. (2015) to describe it as a "mini-
starburst". It is thus atypical of most molecular clouds but an
exemplar of the very small subset that form the majority of stars
in the Galaxy.

5. Summary

We investigated the gas kinematics of hub-filament structures
in the G333 complex using 13CO (3−2) emission. The main
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(a)
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Fig. 10. Statistical analysis of the velocity gradients listed in Table 1. (a)
The probability distribution of velocity gradients measured around 1 pc
scale; (b) Mass distribution of ATLASGAL clumps listed in Table 1; (c)
and (d) The same with Fig. 8, but only consider the velocity gradients
listed in Table 1.

conclusions are as follows:

1. The G333 complex includes three main velocity com-
ponents, which can be well separated by the average spectra
and the velocity distribution in PPV space. Here the velocity
distribution is derived from the decomposition of 13CO (3-2)
emission by GAUSSPY+. The velocity components with velocity
ranges [−120, −76] km s−1 and [−76, −60] km s−1 represent the
main two parts of G331 GMC, the third velocity component
with velocity range [−60, −35] km s−1 shows a very extended
shell structure from l = 330.6◦ to l = 334◦ with G333 GMC and

Fig. 11. Correlation between the left and right terms in Eqn. 1 revealed
by the values of M, L and ∇V listed in Table 1. Blue dotted line is the
line of equality of the left and right terms. There are two cases in Ta-
ble 1, a dense clump has two or more filaments leading to it, or only one
filament with a gradient can be identified (the rows with only one entry
for the gradient). The number of clumps in two cases is 49 and 25, and
marked by black and red ’+’, respectively.

G332 ring as the main parts.

2. The entire G333 complex seems to have fragmented
into several independent molecular clouds, with some of
the sub-structures in these molecular clouds showing typical
hub-filament structures, which also have the typical kinematic
features of hub-filament systems. The broken morphology of
some very infrared bright structures indicates that the feedback
is disrupting the star-forming regions.

3. We use the integrated intensity maps of 13CO J=3-2 to
identify filaments in G333 complex by FILFINDER algorithm,
and extract the velocity and intensity along the filament skeleton
from moment maps. We find a good correlation between veloc-
ity and density fluctuations, and fit the velocity gradients around
the intensity peaks. The change in velocity gradients with the
scale indicates that the morphology of the velocity field in
PPV space resembles a “funnel” structure. The funnel structure
can be explained as accelerated material inflowing towards
the central hub and gravitational contraction of star-forming
clouds/clumps. The typical V-shape velocity structure along
the filament skeleton can be treated as the projection of the
funnel structure from PPV space to PV plane. Hence, the
funnel structure in PPV space can be an effective probe for the
gravitational collapse motion in molecular cloud.

4. We have investigated gas motions on sufficiently large
scales, the longest filament ∼50 pc, but obtain similar results to
small-scale ALMA observations. The typical velocity gradient
corresponding to a one pc scale is ∼ 1.6 km s−1 pc−1. Assuming
the free-fall model, we can predict the gravitational acceleration
onto each hub. The observed accelerations correlate well with
the predicted ones and have values comparable to the prediction.
Given the fact that we observe only one component of the accel-
eration and that the masses of the hubs are uncertain, the result
provides strong evidence for gravitational acceleration of mate-
rial flowing into hubs from filaments.

5. The velocity gradients fitted by LAsMA data and ALMA
data agree with each other over the scales covered by ALMA
observations in the ATOMS survey (< 5 pc). On large scales,
we find that the larger scale inflow is driven by the larger scale
structure, indicating the hierarchical structure in molecular
cloud and the gas inflow from large scale to small scale. The
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large scale gas inflow is driven by gravity, implying that the
molecular clouds in G333 may be in the state of globally grav-
itational collapse. The funnel structure of velocity field shown
in PPV space also tends to support the large-scale gravitational
collapse.

6. Although there are many sub-structures in each molecular
cloud, which cause ubiquitous velocity and density fluctuations,
totally, the entire large-scale structure still displays the loose
funnel structure. Thus the hub-filament structures at different
scales may be organized into a hierarchical macroscopic system
through the coupling of gravitational centers at different scales.

In short, changes of velocity gradient with scale indicate a
”funnel” structure of the velocity field in PPV space, indica-
tive of a smooth, continuously increasing velocity gradient from
large to small scales, and thus consistent with gravitational ac-
celeration.
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Table B.1. Offsets of outer 6 pixels relative to the central pixel.

pixel ∆l (′′) ∆b (′′)
1 0 0
2 34.53 -23.08
3 36.20 19.15
4 1.74 40.03
5 -35.78 20.46
6 -35.33 -19.86
7 -0.17 -41.67

Appendix A: Supplementary maps

Appendix B: Appendix A: Noise and offset details

The receiver is a hexagonal array of six pixels surrounding a cen-
tral pixel. The outer array is separated from the central pixel by
∼ 2 FWHM. Table.B.1 lists the offsets of outer 6 pixels relative
to the central pixel. Fig.B.1 shows the average spectra in one
beam size of 7 pixels for the off-position. We can see the emis-
sion mainly concentrates on the velocity range [-50,-15] km s−1,
the absorption feature of one sub-map shown in Fig.B.3 also ap-
pears in the same velocity range, thus we add the emission of off-
position in the velocity range [-50,-15] km s−1 to each sub-map.
As shown in Fig.B.3, the absorption feature indeed disappears
after adding the emission of off-position.
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Fig. A.1. Average spectra of 13CO (3-2) and 12CO (3-2) for the sub-regions shown in Fig.5. Vertical dashed lines mark the velocity ranges which
are used to make moment maps.
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Fig. A.2. The same with Fig.6.
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Fig. A.3. The same with Fig.6.

Article number, page 18 of 25



J.W. Zhou et al.: Gas kinematics of multi-scale hub-filament structures

s1-f1 s1-f2b

s1-f2r

s2a-f2 s2b-f1 s2b-f2

s2a-f1

s1-f2

s1-f3

s1-f1 s1-f2b

s1-f2r

s2a-f2 s2b-f1 s2b-f2

s2a-f1

s1-f2

s1-f3

Fig. A.4. The same with Fig.7.
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Fig. A.5. The same with Fig.7.
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Fig. A.6. The same with Fig.7.
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Fig. A.7. The same with Fig.7.
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Fig. A.8. The same with Fig.7.
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Fig. B.1. Average spectra in one beam size of 7 pixels for the off-position.
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Fig. B.2. Noise maps of 13CO (3-2) and 12CO (3-2) in our observation.
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Fig. B.3. Average spectra of one sub-map G333D55M-7M.
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ABSTRACT
In cosmological simulations without baryons, the relation between the specific angular momentum jh and

mass Mh of galactic dark matter halos has the well-established form jh ∝ M
2/3
h . This is invariably adopted

as the starting point in efforts to understand the analogous relation between the specific angular momentum j∗
and mass M∗ of the stellar parts of galaxies, which are often re-expressed relative to the corresponding halo
properties through the retention fractions fj = j∗/jh and fM = M∗/Mh. An important caveat here is that the
adopted jh ∝ M

2/3
h relation could, in principle, be modified by the gravitational back-reaction of baryons on

dark matter (DM). We have tested for this possibility by comparing the jh–Mh relations in the IllustrisTNG100
and TNG50 simulations that include baryons (full-physics runs) with their counterparts that do not (DM-only
runs). In all cases, we find scaling relations of the form jh ∝ Mα

h , with α ≈ 2/3 over the ranges of mass and
redshift studied here: Mh ≥ 1010M� and 0 ≤ z ≤ 2. The values of α are virtually identical in the full-physics
and DM-only runs at the same redshift. The only detectable effect of baryons on the jh–Mh relation is a slightly
higher normalization, by 12%–15% at z = 0 and by 5% at z = 2. This implies that existing estimates of fj
based on DM-only simulations should be adjusted downward by similar amounts. Finally, we discuss briefly
some implications of this work for studies of galaxy formation.

Keywords: Galaxy formation (595) — Galaxy kinematics (602) — Galaxy dark matter halos (1880) — Hydro-
dynamical simulations (767) — Scaling relations (2031)

1. INTRODUCTION

Two of the most basic properties of cosmic structures are
their mass M and angular momentum J or, equivalently,
M and specific angular momentum j = J/M . The rela-
tion between j and M for a population of objects reflects
the physical processes by which they form and evolve. In
cold dark matter-type cosmologies, bound structures in virial
equilibrium develop from small perturbations in the early
universe by gravitational instability. Throughout this devel-
opment, but especially in the translinear phase of growth,
they acquire angular momentum from the tidal torques ex-
erted by neighboring perturbations (Peebles 1969; Doroshke-
vich 1970; White 1984).

These processes are now well understood in cosmolo-
gies that include only gravitationally interacting dark mat-
ter (DM), usually thought to provide a good description of
galactic halos. The results of cosmological N -body simu-
lations are often expressed in terms of the spin parameter
λ ≡ j|E|1/2/(GM3/2), where E is the total energy (po-
tential plus kinetic) of a halo, and G is the gravitational con-

Corresponding author: S. Michael Fall
fall@jhu.edu

stant. The median spin value, derived from many DM-only
(DMO) simulations, is λ̂ ≈ 0.035, irrespective of cosmo-
logical parameters and the mass and density contrast of the
halos (Bullock et al. 2001; van den Bosch et al. 2002; Avila-
Reese et al. 2005; Bett et al. 2007; Macciò et al. 2007, 2008;
Zjupa & Springel 2017). This implies a relation between the
specific angular momentum j, mass M , and mean internal
density 〈ρ〉 of halos of the form j ∝ 〈ρ〉−1/6M2/3 (given
the scalings E ∝ M2/R and 〈ρ〉 ∝ M/R3 with mass M
and radius R). For a fixed density contrast, 〈ρ〉 /ρcrit = con-
stant, this becomes j ∝ M2/3. The same simulations show
that the dispersions of λ and j about their median values at
each M are substantial: σ(lnλ) ≈ σ(ln j) ≈ 0.5–0.6.

The optically visible stellar components of galaxies obey a
remarkably similar scaling relation: j = AMα, with an ex-
ponent α ≈ 0.6 and an amplitude A that correlates with disk
fraction and morphological type (Fall 1983; Romanowsky &
Fall 2012; Fall & Romanowsky 2013; Obreschkow & Glaze-
brook 2014; Fall & Romanowsky 2018; Posti et al. 2018;
Di Teodoro et al. 2021; Mancera Piña et al. 2021a,b; Hard-
wick et al. 2022; Di Teodoro et al. 2023; Pulsoni et al. 2023).
This apparently simple stellar j–M relation is less straight-
forward to interpret than the corresponding halo relation be-
cause it must reflect the complicated combined effects of
cooling, collapse, star formation, black hole growth, and
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feedback in the baryonic components of galaxies. With this
in mind, it is often useful to re-express the stellar j–M rela-
tion relative to the better-understood halo relation in terms of
the “retention fractions” for mass, fM ≡ M∗/Mh, and spe-
cific angular momentum, fj ≡ j∗/jh, the subscripts ∗ and
h now specifying stellar and halo quantities explicitly. The
mass retention fraction fM is also known as the stellar-to-
halo mass relation (SHMR).

In calculations of the retention fraction for specific angular
momentum fj , the reference j–M relation is invariably taken
to be the one derived from DMO simulations, jh ∝ M

2/3
h .

This is equivalent to assuming, at least implicitly, that the
baryonic processes involved in the formation of the luminous
bodies of galaxies have a negligible effect on the halo j–M
relation. While plausible, this is not guaranteed to be true.
Indeed, Du et al. (2022) have suggested that the gravitational
back-reaction of baryons on the halo j–M relation is sig-
nificant and necessary to explain the observed stellar j–M
relation and the associated retention fraction fj . We tested
for this possibility during our recent comprehensive study of
galactic angular momentum in the IllustrisTNG simulations
(Rodriguez-Gomez et al. 2022) and reached a different con-
clusion. The purpose of this Letter is to present the results of
these tests.

2. SIMULATIONS AND ANALYSIS

We examine the j–M and λ–M relations of halos in
four simulations of the IllustrisTNG suite: the TNG100 and
TNG50 runs, which include both baryons and DM, and their
DMO counterparts, TNG100-Dark and TNG50-Dark. Our
analysis is based on quantities we have computed from the
positions and velocities of particles at different snapshots in
the publicly accessible IllustrisTNG data files (Nelson et al.
2019a). For complete descriptions of the simulations, we re-
fer interested readers to the original papers (Marinacci et al.
2018; Naiman et al. 2018; Nelson et al. 2018; Pillepich et al.
2018; Springel et al. 2018; Nelson et al. 2019b; Pillepich
et al. 2019). Here, we provide only a brief summary, suf-
ficient to interpret the results presented in Section 3.

The TNG100 and TNG50 runs include plausible subgrid
prescriptions for star formation and black hole growth, as
well as feedback from supernovae and active galactic nuclei
(AGNs). We refer to them as “full-physics” (FP) runs. These
simulations produce populations of galaxies that resemble
real ones in many respects, including galactic masses and
specific angular momenta (Du et al. 2022; Rodriguez-Gomez
et al. 2022). The main differences between the TNG100
and TNG50 runs are their volumes (cubes with comoving
∼100 Mpc and ∼50 Mpc sides) and numerical resolutions
(7.5 × 106M� for DM and 1.4 × 106M� for baryons in
TNG100, and 16 times better for both in TNG50). Thus,
TNG100 is preferred for studies of massive galaxy popula-
tions and TNG50 for low-mass populations. The DMO runs
have the same volumes and initial conditions as the corre-
sponding FP runs. To make precise comparisons between the
simulations with and without baryons, we have matched the
halos in the DMO runs individually with their counterparts

in the FP runs using the procedure described by Rodriguez-
Gomez et al. (2017).

Halos in the simulations are identified by the friends-of-
friends (FoF) algorithm (Davis et al. 1985) and gravitation-
ally bound subhalos within them by the SUBFIND algorithm
(Springel et al. 2001; Dolag et al. 2009). Following stan-
dard practice, we measure positions within each halo rela-
tive to the most tightly bound particle and velocities relative
to the center-of-mass motion1 (Genel et al. 2015; Zjupa &
Springel 2017). We compute all halo quantities, denoted by
the subscript h, by including both DM and baryons within
Rh ≡ R200,crit, the radius enclosing the mean density 〈ρ〉 =
200ρcrit (aka the “virial radius”); hence, Mh ≡ M200,crit,
Jh ≡ J200,crit, and jh ≡ Jh/Mh.2 As an approximation
to the spin parameter λ, we compute the analogous quantity
λ′ ≡ jh/(

√
2RhVh), where Vh = (GMh/Rh)1/2 is the cir-

cular velocity at the virial radius (Bullock et al. 2001). For a
singular isothermal halo, λ′ is exactly the same as λ (in the
limit λ� 1).

Galaxies in the simulations consist of all the star par-
ticles and gas elements within the subhalos identified by
SUBFIND. For each FoF halo, this algorithm assigns a
smooth central or “background” subhalo by removing all
its satellite subhalos while checking that it remains gravita-
tionally bound (Springel et al. 2001, Figure 3). Thus, cen-
tral galaxies—which we consider exclusively throughout this
work—consist of all the baryonic material associated with
these central subhalos. We specify galactic morphology in
terms of the parameter κrot, defined as the fraction of the
stellar kinetic energy invested in rotation (Sales et al. 2010;
Rodriguez-Gomez et al. 2017). In particular, we classify
galaxies with κrot < 0.5 as spheroid dominated and those
with κrot ≥ 0.5 as disk dominated. We compute the stel-
lar properties of galaxies, such as M∗ and κrot, by summing
over all the stars bound to their subhalos.

3. RESULTS

The main results of this Letter—comparisons between the
halo j–M and λ′–M relations in the FP and DMO Illus-
trisTNG simulations—are displayed in Figures 1–3 and Ta-
ble 1. For these comparisons, we have performed linear re-
gressions of the form

log jh = α log

(
Mh

1012M�

)
+ log jh,12 (1)

log λ′ = β log

(
Mh

1012M�

)
+ log λ′12 (2)

to determine the best-fit slopes α and β and normalizations
log jh,12 and log λ′12. We then compute the standard (i.e.,

1 The specific angular momentum computed in this reference frame is ex-
actly the same as that in a frame defined by both the center-of-mass position
and velocity, as one can show by simple algebra.

2 Note that, by definition, halo quantities such as Mh and jh include all
material within Rh in both the central and satellite subhalos as well as any
unbound particles (aka “fuzz”).
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Figure 1. Specific angular momentum jh plotted against mass Mh for halos in the TNG100 DMO and FP runs (left and right panels, respec-
tively) at redshifts z = 0 and z = 2 (upper and lower panels, respectively). The color scale indicates the number of halos in each 2D bin. The
red lines represent the best-fit linear relations, while the black lines represent the running median relations and 16th–84th percentile ranges.
Note the close similarity of the halo j–M relations in the DMO and FP runs and the slightly flatter slopes at z = 2 than at z = 0.

1σ) errors of these quantities by bootstrap resampling. The
figures and table present results for two redshifts, z = 0 and
z = 2, and several different selection criteria specified by
lower limits on halo mass Mh, stellar mass M∗, and mor-
phology parameter κrot.

We have adopted these redshifts and selection criteria with
the following thoughts in mind. Because the masses of indi-
vidual halos grow with time, so also does the upper extent of
their j–M relation (compare the upper and lower panels of
Figure 1). As a result, the available range of masses shrinks
with increasing redshift, and above z ∼ 2, it becomes too
narrow to determine the slopes α and β reliably. The re-
strictions on halo masses, Mh ≥ 1011M� for TNG100 and

Mh ≥ 1010M� for TNG50, were chosen to compensate
approximately for the different resolutions and volumes of
these simulations. These limits are also intended to exclude
the low-mass galaxies that might suffer from the spurious
heating of stellar motions by DM particles and the resulting
transfer of angular momentum to their halos (Ludlow et al.
2021; Wilkinson et al. 2023). We have also checked what
happens to the fitted slopes α and β when we impose the
same selection criteria as Du et al. (2022) on the stellar prop-
erties of galaxies, namely M∗ ≥ 109M� and κrot ≥ 0.5.

We first compare the halo j–M and λ′–M relations in
the FP and DMO runs in samples defined by halo proper-
ties alone, specifically Mh ≥ 1011M� for TNG100 and
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Figure 2. Specific angular momentum jh plotted against mass Mh for halos in the TNG50 DMO and FP runs at z = 0 (upper left and
upper right panels, respectively) and the FP run at z = 0 with selection criteria based on the stellar masses and morphologies of galaxies:
M∗ ≥ 109M� (lower left panel) and M∗ ≥ 109M� and κrot ≥ 0.5 (lower right panel). The last of these replicates the selection criteria
adopted by Du et al. (2022). The color scale indicates the number of halos in each 2D bin. The red lines represent the best-fit linear relations,
while the black lines represent the running median relations and 16th–84th percentile ranges. Note the close similarity of the halo j–M relations
in the DMO and FP runs and the steeper fitted slopes in the samples selected by stellar properties.

Mh ≥ 1010M� for TNG50. The upper and lower panels
of Figure 1 show the halo j–M relation in the TNG100 FP
and DMO runs at z = 0 and z = 2, while the upper panels of
Figure 2 show the same results for TNG50 at z = 0. Table 1
lists the slopes α and β of the halo j–M and λ′–M relations
in all the simulations at z = 0 and z = 2. In all cases, these
are close to the expected values α = 2/3 and β = 0. Further-
more, the slopes in the FP runs are nearly the same as those
in the corresponding DMO runs, with ∆α ≈ ∆β < 0.01 for
TNG100 and ∆α ≈ ∆β < 0.03 for TNG50. However, for

both TNG100 and TNG50, the normalizations of the halo j–
M and λ′–M relations are slightly higher in the FP runs than
in the DMO runs, by ∆ log jh,12 ≈ ∆ log λ′12 ≈ 0.05–0.06
(12%–15%) at z = 0 and≈ 0.02 (5%) at z = 2. We also find
that these relations are slightly flatter at z = 2 than at z = 0,
by ∆α ≈ ∆β ≈ 0.02–0.05 for both TNG100 and TNG50.

We can elucidate these results by comparing the masses
Mh, specific angular momenta jh, and spin parameters
λ′ of halos in the FP runs with those of their individu-
ally matched counterparts in the DMO runs. These com-
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Figure 3. Ratios of mass Mh (top panel), specific angular mo-
mentum jh (middle panel), and spin parameter λ′ (bottom panel)
for halos in the FP run to the same quantities for the individually
matched halos in the DMO run plotted against mass Mh,DMO for
TNG100 at z = 0. The color scale indicates the number of halos
in each 2D bin. The red horizontal lines indicate equality, while
the black lines represent the running median relations and 16th–
84th percentile ranges. This diagram shows directly the effects of
baryons on the halo properties Mh, jh, and λ′. Note the relatively
small and nearly constant median offset of λ′FP from λ′DMO, indi-
cating that the halo relation jh ∝ Mα

h with α ≈ 2/3 is preserved
by baryonic processes.

parisons are shown in Figure 3, where we plot the ratios
Mh,FP/Mh,DMO, jh,FP/jh,DMO, and λ′FP/λ

′
DMO against

Mh,DMO for the TNG100 simulation at z = 0. Evidently,
baryons have a rather complex effect on the median offset
between Mh,FP and Mh,DMO, likely caused by the varying
strengths of supernova and AGN feedback, but they intro-
duce relatively little scatter about this trend (top panel). In
contrast, the median offsets between jh,FP and jh,DMO and
between λ′FP and λ′DMO are small and nearly constant, while
the scatter about these trends is large (middle and bottom
panels). Since the spin parameter can be re-expressed as
λ′ ∝ 〈ρ〉1/6 jh/M2/3

h ∝ jh/M
2/3
h (at fixed 〈ρ〉 /ρcrit), the

nearly constant median offset of λ′ with Mh ensures that the
relation jh ∝ Mα

h with α ≈ 2/3 is preserved, but with a
12%–15% higher amplitude, consistent with the results listed
in Table 1.

Why does the inclusion of baryons in the simulations make
so little difference to the halo j–M relation? There are three
contributing factors, corresponding to the quantities M , j,
and E that appear in the formula for λ (and hence λ′). First,
the fraction of mass in baryons is small compared with that
in DM (16% vs 84%). Second, while the baryons within
individual halos can gain or lose large amounts of specific
angular momentum, there is little net transfer within the pop-
ulation of halos as a whole. Third, the ratios of the specific
binding energies of circumgalactic baryons and DM particles
within the same halos, as measured by their kinetic temper-
atures, are of order unity and increase only gradually with
mass. These factors help to explain the results shown in Fig-
ure 3, particularly the near constancy of λ′ with Mh and thus
jh ∝M2/3

h .
The preceding results indicate that baryons have negligible

physical effects on the slope α of the halo j–M relation in
the IllustrisTNG simulations. This does not mean, however,
that this slope will always be the same for samples of galaxies
selected by different baryonic properties, such as stellar mass
M∗ and morphology parameter κrot. In these cases, there can
be non-negligible apparent effects on α. This is illustrated
for TNG50 at z = 0 in the lower panels of Figure 2—on
the left for the restriction M∗ ≥ 109M� alone and on the
right when combined with the restriction κrot ≥ 0.5. The
latter mimics a luminosity-limited sample of disk-dominated
galaxies. In this case, we find α ≈ 0.8, similar to the slope
Du et al. (2022) found. The reason for this apparent increase
in α can be traced to the fact that a vertical cut in the jh–M∗
plane maps into a diagonal cut in the jh–Mh plane, as shown
in the lower panels of Figure 2 here and in Figure 5 of Du
et al. (2022). Consequently, the fitted slope of the halo j–M
relation for this particular sample is slightly steeper than that
for the underlying population.

4. DISCUSSION

Our main conclusion is that the halo j–M and λ′–M re-
lations in the IllustrisTNG simulations are very close to the
expected forms, jh ∝ M

2/3
h and λ′ ∝ M0

h , at least over the
ranges of mass and redshift examined here: Mh ≥ 1010M�
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Table 1. Regression Fits to Equations (1) and (2) for Different Simulations, Redshifts, and Selection Criteria.

Simulation Redshift Selection criteria α log jh,12 β log λ′12

(1) (2) (3) (4) (5) (6) (7)

TNG100 z = 0

DM-only Mh ≥ 1011M� 0.677± 0.005 3.164± 0.003 0.010± 0.005 −1.464± 0.003

Full-physics Mh ≥ 1011M� 0.684± 0.005 3.215± 0.003 0.017± 0.005 −1.412± 0.003

Full-physics M∗ ≥ 109M� 0.746± 0.005 3.212± 0.003 0.080± 0.005 −1.416± 0.003

Full-physics M∗ ≥ 109M�, κrot ≥ 0.5 0.781± 0.007 3.244± 0.004 0.114± 0.007 −1.384± 0.004

TNG50
DM-only Mh ≥ 1010M� 0.680± 0.005 3.169± 0.008 0.013± 0.005 −1.459± 0.008

Full-physics Mh ≥ 1010M� 0.704± 0.005 3.227± 0.008 0.038± 0.005 −1.399± 0.008

Full-physics M∗ ≥ 109M� 0.761± 0.014 3.230± 0.010 0.094± 0.014 −1.397± 0.010

Full-physics M∗ ≥ 109M�, κrot ≥ 0.5 0.802± 0.016 3.278± 0.013 0.136± 0.016 −1.349± 0.013

TNG100 z = 2

DM-only Mh ≥ 1011M� 0.651± 0.006 3.024± 0.004 −0.014± 0.006 −1.431± 0.004

Full-physics Mh ≥ 1011M� 0.646± 0.006 3.040± 0.004 −0.018± 0.006 −1.409± 0.004

Full-physics M∗ ≥ 109M� 0.746± 0.007 3.044± 0.004 0.080± 0.007 −1.405± 0.004

Full-physics M∗ ≥ 109M�, κrot ≥ 0.5 0.730± 0.012 3.017± 0.006 0.064± 0.012 −1.431± 0.006

TNG50
DM-only Mh ≥ 1010M� 0.659± 0.005 3.026± 0.008 −0.006± 0.005 −1.427± 0.008

Full-physics Mh ≥ 1010M� 0.650± 0.005 3.042± 0.008 −0.013± 0.005 −1.403± 0.008

Full-physics M∗ ≥ 109M� 0.722± 0.020 3.031± 0.013 0.056± 0.020 −1.415± 0.013

Full-physics M∗ ≥ 109M�, κrot ≥ 0.5 0.683± 0.030 2.983± 0.017 0.016± 0.030 −1.463± 0.017

NOTE—The quoted 1σ errors were derived by bootstrap resampling.

and 0 ≤ z ≤ 2. This is true for both TNG100 and TNG50
and for both FP and DMO runs. We find some deviations
from the canonical slopes α = 2/3 and β = 0 that are statis-
tically significant given the exceedingly small formal errors
listed in Table 1. However, these small deviations are compa-
rable to the differences in α and β between the TNG100 and
TNG50 simulations and are likely negligible for all practical
purposes. In particular, the assumed halo j–M relation with
α = 2/3 is sufficiently accurate to estimate the retention
fractions of specific angular momentum, fj = j∗/jh, from
the observed stellar j–M relations for low-redshift galaxies.
Beyond z ≈ 2, the reference value of αmay be slightly lower
than 2/3.

The halo j–M relation—in the form confirmed here—
when combined with the observed stellar j–M relation, pro-
vides an important link between the retention fractions fM
and fj , and with it some valuable insights into galaxy for-
mation, as we now summarize briefly. For the power-law
models, j∗ = A∗M

α∗
∗ and jh = AhM

αh

h , we have

fj/f
αh

M = (A∗/Ah)Mα∗–αh
∗ ∼ constant. (3)

Given the small difference between the exponents of the stel-
lar and halo j–M relations (α∗ ≈ 0.6 vs αh = 2/3), Equa-
tion (3) indicates that fj and fM will have similar shapes al-

though the former will be subdued relative to the latter. This
is interesting because recent dynamical studies have revealed
that the high-mass shape of the SHMR depends strongly on
galactic morphology (Posti et al. 2019a,b; Posti & Fall 2021;
Di Teodoro et al. 2023). For disk-dominated galaxies, fM
rises monotonically with mass, with no prominent features,
while for spheroid-dominated galaxies, fM has the more fa-
miliar, inverted-U shape, with a peak near the mass of the
Milky Way. Another simple consequence of Equation (3) is
that the value of fj for each type of galaxy scales directly
with the stellar amplitudeA∗ and inversely with the halo am-
plitude Ah.

Empirical determinations of the stellar j–M relation re-
quire both photometric and kinematic data, ideally covering
each galaxy in a large sample in two dimensions to large
radii. For spiral galaxies, the stellar j–M relation is quite se-
cure; all determinations, including the original one 40 yr ago,
are in remarkably close agreement. This is a consequence of
the known inclination of each galactic disk and the fact that
the angular momentum of disks with exponential surface-
density profiles and flat rotation curves converges rapidly be-
yond about two effective radii. Recent studies of the stellar
j–M relation of low-redshift spiral galaxies all find very sim-
ilar angular momentum retention fractions, fj ≈ 0.8, based
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onAh values from DMO simulations, with little or no depen-
dence on mass (Fall & Romanowsky 2013, 2018; Posti et al.
2018, 2019b; Di Teodoro et al. 2021, 2023). Adjusting this
for the higher Ah values in simulations with baryons gives
fj ≈ 0.7. A corollary of this result is that, on average, the
exponential scale radii Rd of galactic disks are related to the
virial radii Rh of their halos by Rd/Rh ≈ fj λ̂/

√
2 ∼ 0.02

(Fall & Efstathiou 1980; Fall 1983; Mo et al. 1998; note the
changes in notation, α → 1/Rd and rt → Rh, between the
early and later papers and the fact that the product fj λ̂ is in-
dependent of the Ah adjustment).

Determinations of the stellar j–M relations of lenticular
and elliptical galaxies are much harder because the inclina-
tions of the galaxies are uncertain, the shapes of the rotation
curves vary, the angular momenta converge slowly, and kine-
matic data are sparse at large radii. The resulting estimates
of the angular momentum retention fractions of spheroid-
dominated galaxies are fj ∼ 0.1, with an uncertain mass de-

pendence (Romanowsky & Fall 2012; Fall & Romanowsky
2013, 2018; Pulsoni et al. 2023). The observed order-of-
magnitude difference between the values of fj for disk- and
spheroid-dominated galaxies are also found in simulations of
galaxy formation (Genel et al. 2015; Pedrosa & Tissera 2015;
Teklu et al. 2015; Zavala et al. 2016; Sokołowska et al. 2017;
El-Badry et al. 2018; Rodriguez-Gomez et al. 2022). One
of the key challenges in theoretical studies of galaxy forma-
tion is to provide a compelling physical explanation for this
large difference in angular momentum retention. In effect,
this would also serve as an explanation for the main morpho-
logical characteristics of galaxies embodied in the Hubble
classification scheme.

We thank Min Du for interesting correspondence on this
topic and Shy Genel for collaboration on the earlier project
from which this one developed.
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ABSTRACT
Main-sequence bolometric corrections (𝐵𝐶) and a standard 𝐵𝐶−𝑇eff relation are produced for TESSwavelengths using published
physical parameters and light ratios from SED models of 209 detached double-lined eclipsing binaries. This and previous five-
band (Johnson 𝐵,𝑉 , Gaia𝐺,𝐺BP,𝐺RP) standard 𝐵𝐶 −𝑇eff relations are tested by recovering luminosity (𝐿) of the most accurate
341 single host stars (281 MS, 40 subgiants, 19 giants and one PMS). Recovered 𝐿 of photometry are compared to 𝐿 from
published 𝑅 and 𝑇eff . A very high correlation (𝑅2 = 0.9983) is achieved for this mixed sample. Error histograms of recovered
and calculated 𝐿 show peaks at ∼2 and ∼4 per cent respectively. The recovered L and the published 𝑇eff were then used in
𝐿 = 4𝜋𝑅2𝜎𝑇4eff to predict the standard 𝑅 of the host stars. Comparison between the predicted and published R of all luminosity
classes are found successful with a negligible offset associated with the giants and subgiants. The peak of the predicted 𝑅 errors
is found at 2 per cent, which is equivalent to the peak of the published 𝑅 errors. Thus, a main-sequence 𝐵𝐶 − 𝑇eff relation could
be used in predicting both 𝐿 and 𝑅 of a single star at any luminosity class, but this does not mean 𝐵𝐶 − 𝑇eff relations of all
luminosity classes are the same because luminosity information could be more constrained by star’s apparent magnitude b than
its 𝐵𝐶 since 𝑚Bol = b + 𝐵𝐶b .

Key words: Stars: fundamental parameters, Stars: general, Stars: planetary systems

1 INTRODUCTION

Luminosity (𝐿) is not an observable parameter for a star. There are
only one direct and two indirect methods of obtaining 𝐿. The di-
rect method uses the Stefan-Boltzmann law (𝐿 = 4𝜋𝑅2𝜎𝑇4eff) for
calculating a luminosity directly from a given radius (𝑅) and effec-
tive temperature (𝑇eff) of a star. Therefore, the most accurate stellar
𝐿 comes from observationally determined most accurate 𝑅 and 𝑇eff
values whichwould be available fromDetachedDouble-lined Eclips-
ing Binaries (DDEBs; Andersen 1991; Torres et al. 2010; Eker et al.
2014, 2015, 2018). The typical accuracy of a calculated 𝐿 is 8.2–12.2
per cent (Eker et al. 2021b).
The first of the two indirect methods requires mass and pre-

determined classical mass-luminosity relation (MLR) in the form
of 𝐿 ∝ 𝑀𝛼, where the typical accuracy is 17.5-37.99 per cent (Eker
et al. 2018, 2021b). In early times, especially after the discovery of
main-sequenceMLR independently by Hertzsprung (1923) and Rus-
sell et al. (1923), the MLR was claimed to be one of the most promi-
nent empirical laws of nature by Eddington (1926) and Gabovits
(1938) and it was used either predicting 𝐿 from 𝑀 or 𝑀 from 𝐿 at
least until the middle of the 20th century or perhaps until Andersen
(1991) was objecting it. Those were the times the observational accu-
racy of 𝐿 (or𝑀) was not high enough to distinguish the true 𝐿 (or𝑀)

★ E-mail: eker@akdeniz.edu.tr (Z. Eker)
† E-mail: volkanbakis@akdeniz.edu.tr (V. Bakış)

from the average 𝐿 (or 𝑀) for a given 𝑀 (or 𝐿) of a main-sequence
star.
The second of the two indirect methods requires an absolute vi-

sual magnitude and a pre-estimated bolometric correction (𝐵𝐶) to
compute the absolute bolometric magnitude of a star in the first step
as 𝑀Bol = 𝑀V + 𝐵𝐶V and then to obtain its 𝐿 in SI units from

𝑀Bol = −2.5 × 𝑙𝑜𝑔𝐿 + 71.197425..., (1)

where the typical accuracy of 𝐿 is about to 10-13 per cent (Eker et al.
2021b, 2022; Bakış & Eker 2022) which is equivalent to the uncer-
tainty of 𝐵𝐶V if the uncertainty of the absolute visual magnitude is
negligible and the 𝐵𝐶V is a standard 𝐵𝐶V. Otherwise, that is if the
𝐵𝐶V is not a standard 𝐵𝐶V, an additional uncertainty 10 per cent
or more (Eker et al. 2021b, 2022) would arise due to the complex-
ities caused by the three paradigms (the 𝐵𝐶 scale is arbitrary, 𝐵𝐶
values must always be negative, and the bolometric magnitude of a
star ought to be brighter than its 𝑉 magnitude) which are not valid
since 2015 (Eker et al. 2022). It was Torres (2010) who first noticed
inconsistencies due to improper usage of𝑀𝐵𝑜𝑙,� and tabulated 𝐵𝐶V
values that may lead to errors of up to 10 per cent or more in the
derived 𝐿 equivalent to about 0.1 mag or more in the bolometric
magnitudes.
Disagreed bolometric corrections (𝐵𝐶V), which are primarily in

tabulated form, had been used for about a century (Kuiper 1938;
Popper 1959; Johnson 1966; Flower 1996; Bessell et al. 1998; Girardi
et al. 2008; Sung et al. 2013). International Astronomical Union was
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2 Eker and Bakış

aware of the problem, thus, issued a general assembly resolution1
hereafter IAU 2015 GAR B2, to solve the problems associated with
the arbitrariness attributed to the zero point constants of the𝑀Bol and
𝐵𝐶 scales. This revolutionary document (Eker et al. 2022) appears
to be ignored or its full potential was not understood properly since
some authors continued the old tradition (Casagrande&VandenBerg
2018; Andrae et al. 2018; Chen et al. 2019; Eker et al. 2020) under
the influence of the paradigms. The revolution has been noticed
first by Eker et al. (2021a) who revised the definition of standard
bolometric correction according classical definition 𝐵𝐶V = 𝑀Bol −
𝑀V where 𝑀V is calculated from an apparent magnitude, parallax,
and interstellar extinction while 𝑀Bol is calculated according to IAU
2015 GAR B2 (Eq.1) or using

𝑀Bol = 𝑀𝑏𝑜𝑙,� − 2.5 × 𝑙𝑜𝑔𝐿/𝐿� (2)

in which the nominal2 solar values 𝑀𝐵𝑜𝑙,� = 4.74 mag and 𝐿� =

3.828×1026 W should be used during pre-computation of a 𝐵𝐶 be-
cause the zero point constant of the bolometric magnitude scale
𝐶Bol = 𝑀𝐵𝑜𝑙,� + 2.5𝑙𝑜𝑔𝐿� = 71.197425... has been fixed by the
General Assembly of IAU in 2015 meeting.
A predicted 𝐿 according to the third method using an absolute

magnitude and a standard 𝐵𝐶 could be called standard 𝐿 while a
computed 𝐿 according to the Stefan-Boltzmann law is standard by
the definition. Investigating typical and limiting accuracies of the
three methods of obtaining stellar 𝐿 in the era after Gaia, Eker et al.
(2021b) claimed that it is possible to predict a standard 𝐿 within a
few per cent if the pre-required 𝐵𝐶V is measured directly from a high
signal to noise ratio spectrum according to the following definition
of 𝐵𝐶V

𝐵𝐶V = 2.5𝑙𝑜𝑔
𝑓V
𝑓Bol

+ 𝐶2 = 2.5𝑙𝑜𝑔

∫ ∞
0 𝑆_ (𝑉) 𝑓_𝑑_∫ ∞
0 𝑓_𝑑_

+ 𝐶2, (3)

where 𝑆_ (𝑉) is the sensitivity function of the 𝑉 magnitude system,
and 𝑓_ is the monochromatic flux from a star, and𝐶2 = 𝐶Bol−𝐶V, in
which 𝐶V is the zero point constant for the 𝑉 system of magnitudes.
This claim, however, was found inapplicable and speculative byBakış
& Eker (2022), who suggested an alternative way of increasing the
accuracy of standard 𝐿 by using multiband standard 𝐵𝐶s.
Bakış & Eker (2022) first determined the main-sequence standard

𝐵𝐶 values for the photometric bands Gaia𝐺,𝐺BP,𝐺RP and Johnson
𝐵,𝑉 from the most accurate stellar parameters of 406 main-sequence
stars which are the components of 209 DDEBs contained in the
catalogue of Eker et al. (2018). Then, 𝐵𝐶 - 𝑇eff relations of main-
sequence stars were established for the same five photometric (𝐺,
𝐺BP, 𝐺RP and Johnson 𝐵, 𝑉) passbands. After, five 𝑀Bol values of
each star are estimated by 𝑀Bol (b) = 𝑀b + 𝐵𝐶b , the mean 𝑀Bol
and its standard error is computed to represent the star in the list. At
last, the standard 𝐿 of each star is obtained according to Eq.1 from
its mean 𝑀Bol, while the standard error of 𝑀Bol is propagated to
be the uncertainty of the predicted 𝐿. Comparing predicted 𝐿 (from
photometry) to the calculated 𝐿 (from SB) indicated a high degree
of correlation (𝑅2 > 0.999). The most important is that comparing
histogram distributions of errors showed that uncertainties associated
with the predicted 𝐿 (peak at≈ 2.5 per cent) are∼3 times smaller than
the uncertainties of 𝐿 (peak at ≈ 8 per cent) by the Stefan-Boltzmann

1 https://www.iau.org/static/resolutions/IAU2015_English.
pdf
2 Actual values are 𝑀𝐵𝑜𝑙,� = 4.739997... mag and 𝐿� =

3.8275(±0.0014) × 1026 W

law. There was no method providing 𝐿 more accurately than the
direct method. Now, multiband 𝐵𝐶s provides such an accuracy first
in the history of astrophysics.
This study, however, is motivated for further testing of the multi-

band (Gaia 𝐺, 𝐺BP, 𝐺RP and Johnson 𝐵, 𝑉) main-sequence 𝐵𝐶 and
𝐵𝐶 -𝑇eff relations by adding one more passband (TESS) in the series
and applying them to the planet-hosting stars with most accurate 𝑇eff
and 𝑅. Not only by comparing predicted 𝐿 to calculated 𝐿 of the
host stars, but also by comparing predicted 𝑅 to the published 𝑅.
Choosing host stars sample not only among the main-sequence but
also subgiants and giants, this study is also important for testing the
claim of Flower (1996) who declared 𝐵𝐶 values are the same for
all luminosity classes including main-sequence, subgiants and giants
even for the pre-main-sequence stars.

2 DATA

The Transiting Exoplanet Survey Satellite (TESS) (Ricker et al. 2014,
2015), which was put into orbit in 2018, has led to important con-
tributions to stellar and planetary astrophysics with its extremely
sensitive photometric data (among hundreds of studies; Stassun et al.
2017; Fulton et al. 2017; Montalto 2022). In addition to its numerous
exoplanet discovery, which is the main mission of the satellite, it
has also made important contributions to stellar astrophysics (among
hundreds of studies; Günther et al. 2020; Antoci et al. 2019; Bakış
et al. 2022; Espinoza & Jordán 2016, for different kind of stellar
objects). In the case of eclipsing binaries, it has become possible
to obtain relative radii and light contribution of components with a
precision better than 0.1 per cent.
On the way of estimating accurate absolute bolometric magnitudes

and luminosity of the component stars of binaries using TESS light
curves, interstellar dimming (𝐴TESS) and the bolometric corrections
(𝐵𝐶TESS) are two very critical parameters in addition to a sensitive
Gaia distance (Gaia Collaboration et al. 2016). Despite there is a re-
liable source of obtaining these two parameters now exist at Johnson
𝐵, 𝑉 and Gaia 𝐺, 𝐺BP, 𝐺RP band passes (Bakış & Eker (2022)),
there is no reliable common source satisfying numerous researchers
who are interested in solving TESS light curves of eclipsing binaries
and exoplanet transiting light curves of single stars. This study, there-
fore, is devoted first to producing an empirical 𝐸 (𝐵 − 𝑉) - 𝐴TESS
relation for estimating 𝐴TESS from the 𝐸 (𝐵−𝑉) colour excess of the
system and then to calibrate an empirical main-sequence 𝐵𝐶 - 𝑇eff
relation for the TESS pass band for estimating 𝐵𝐶TESS from the 𝑇eff
of the system. Note that, 𝐴TESS is also needed in calculating 𝑀TESS
before obtaining mean 𝑀Bol and its uncertainty for a star from six
independent estimations of 𝑀Bol (b) = 𝑀b + 𝐵𝐶b including the
TESS band. The standard 𝐿 of a star if computed from such a mean
𝑀Bol using Eq.1 has already been shown to produce more accurate
stellar 𝐿 than the classical direct method (Bakış & Eker 2022) by a
sample of DDEB components. Comparing L of the host star sample
of this study will be an independent second test of multiband 𝐵𝐶 -
𝑇eff relations. At last, estimating the radii of host stars directly from
this luminosity would be a second application tested in this study.

2.1 Data for establishing 𝐵𝐶TESS - 𝑇eff relation

The same data set of 209 DDEBs from Bakış & Eker (2022) are
used in this study also for estimating component light ratios (𝑙) and
interstellar extinction (𝐴TESS) first in the TESS magnitudes by the
same method and software involving SED and SIMBAD data as
described by Bakış & Eker (2022). After eliminating the stars out

MNRAS 000, 1–11 (2023)
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Figure 1. The 𝐸 (𝐵 − 𝑉 ) - 𝐴TESS relation derived from 209 DDEB.

of the main-sequence limits, which are the theoretical ZAMS and
TAMS lines from PARSEC evolutionary models by Bressan et al.
(2012), the number of component stars left on the main-sequence is
406 (197 binaries, 9 primaries and 3 secondaries). Furthermore, not
all of the 209 systems have TESS apparent magnitudes. Therefore,
we have been able to use only 390 main-sequence stars to establish
𝐸 (𝐵−𝑉) - 𝐴TESS relation shown in Fig.1. It can be used in estimating
interstellar dimming in TESS magnitudes if 𝐸 (𝐵 −𝑉) colour excess
is known.
Once, the component light radios and the interstellar extinctions

of 209 DDEB systems are known, and then it is straightforward to
calculate 𝐵𝐶TESS of 390 main-sequence stars as shown by Table 1,
where the columns are self-explanatory. Order, name of the system
and the component (primary or secondary) are given in the first three
columns. Only the parameters of 390 stars, a sample selected for this
study with TESS magnitudes, are listed thus the numbers in the first
column (order) are the same as given by Bakış & Eker (2022) for the
readers who are interested in looking for the references of the pub-
lished observed parameters, which are not given in this study to save
space; that is, reducing the number of columns in the table. Columns
4, 5, 6 and 7 give radius (𝑅), the relative error of 𝑅, effective tem-
perature (𝑇eff) and relative error of 𝑇eff , from which the luminosity
(𝐿) of each component is computed according to the Stefan Boltz-
mann law (column 8) in solar units. It is translated to SI units in
column 9. The relative uncertainty of the computed 𝐿 in column
10 is the propagated uncertainty estimated from the random obser-
vational uncertainties of observed 𝑅 and 𝑇eff . Absolute bolometric
magnitudes (𝑀Bol) and corresponding uncertainties in columns 11
and 12 are calculated according to Eq.1 from the computed 𝐿. This
completes the first step of obtaining 𝐵𝐶TESS of the component stars
of the DDEB sample (Table 1) according to the classical definition
𝐵𝐶TESS = 𝑀Bol - 𝑀TESS.
The second step, obtaining 𝑀TESS requires apparent brightness

of the system [𝑚(sys)TESS], a light ratio of components (𝑙TESS),
a parallax (𝜛) and an interstellar extinction (𝐴TESS). Column 13
and 14 retain brightness of the system [𝑚(sys)TESS] and its associ-
ated uncertainty [Δ𝑚(sys)TESS] from the TESS catalogue (Stassun
et al. 2018). The light ratio of components (column 15) is calcu-
lated as described by Bakış & Eker (2022) using the TESS bandpass
curve (Sullivan et al. 2015) in the form of component contributions
(𝑙𝑝𝑟𝑖 + 𝑙𝑠𝑒𝑐 = 1) that is the total contribution of primary and sec-
ondary is equal to one. Observational uncertainties (Δ𝑚TESS) of
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Figure 2.Distribution of empirical standard 𝐵𝐶TESS from 209 DDEB. Filled
and empty circles are primaries and secondaries, respectively. The best fitting
line represents empirical standard 𝐵𝐶TESS -𝑇eff relation. The number of stars
(𝑁 ) and RMS are indicated. One sigma deviation from the best-fitting curve
is shown below.

component’s magnitudes are assumed to be the same as systemic
magnitudes [Δ𝑚(sys)TESS] (column 14) as done by Bakış & Eker
(2022), therefore, (𝑚TESS) in column 16 are given without uncer-
tainty in the table. Columns 17 and 18 copy the parallaxes and asso-
ciated relative errors directly from Bakış & Eker (2022) mostly from
EDR3, which are checked and confirmed to be the same as Gaia
DR3 parallaxes. Column 19 presents interstellar extinctions for the
TESS photometry (𝐴TESS) predicted in this study with an estimated
accuracy of 0.019mag. Next, the absolute magnitude of a component
(𝑀TESS) and its propagated uncertainty are listed in columns 20 and
21. At last in the third step, the 𝐵𝐶TESS of a component (column 22)
is found by subtracting 𝑀TESS (column 20) from 𝑀Bol (column 11).
The last column (column 23) gives the propagated uncertainty com-
puted from the uncertainties of the absolute bolometric and TESS
magnitudes (column 23).

2.2 Data for expanding 𝐵𝐶 - 𝑇eff relations

Empirical standard 𝐵𝐶TESS from the published 𝑅 and 𝑇eff of 390
DDEB main-sequence components are displayed in Fig.2 where the
continuous line is the best fitting curve. Coefficients and associated
uncertainties are listed in Table 2 together with other 𝐵𝐶 − 𝑇eff
relations all in the forms of fourth-degree polynomials from Bakış
& Eker (2022) representing the photometric bands of Johnson 𝐵, 𝑉 ,
Gaia 𝐺, 𝐺BP and 𝐺RP, where the uncertainties of the coefficients
are shown by ± symbol. We have tried to fit both of the third and
fourth-degree polynomials to the 𝐵𝐶TESS of this study, nevertheless,
the fit of the third-degree polynomial is found better with a smaller
RMS and more meaningful errors associated with the coefficients
while the curves of both functions are very similar. Using the values
of 𝑎, 𝑏, 𝑐, 𝑑 and 𝑒 from the table, one can calculate

𝐵𝐶b = 𝑎 + 𝑏𝑋 + 𝑐𝑋2 + 𝑑𝑋3 + 𝑒𝑋4, (4)

of any photometric band, where 𝑋 = 𝑙𝑜𝑔 𝑇eff . The lower part of Table
2 is for comparing standard deviations (RMS), correlations (𝑅2) and
the standard 𝐵𝐶 of a main sequence star having a 𝑇eff similar to
the Sun (𝑇eff = 5772 K). The smallest RMS, which is 0.1092 mag,

MNRAS 000, 1–11 (2023)



4 Eker and Bakış

Table 1. Input parameters and 𝐵𝐶TESS values of DDEB stars with TESS apparent magnitudes. The full table is available online.

Order Name pri/sec 𝑅 err 𝑇 err 𝐿/𝐿� 𝐿(SI) Δ𝐿
𝐿

𝑀Bol err 𝑚(sys)TESS err 𝑙TESS 𝑚TESS Parallax 𝜎𝜛
𝜛

𝐴TESS∗ 𝑀TESS err 𝐵𝐶TESS err
[𝑅�] [%] [𝐾 ] [%] ×1027 [%] [mag] [mag] [mag] [mag] [mag] [mas] [%] [mag] [mag] [mag] [mag] [mag]

1 V421 Peg p 1.584 1.77 7250 1.10 6.245 2.390 5.66 2.751 0.061 7.936 0.006 0.614 8.465 6.5051 0.39 0.059 2.472 0.041 0.279 0.07
2 V421 Peg s 1.328 2.18 6980 1.72 3.771 1.444 8.15 3.299 0.088 - - 0.386 8.970 6.5051 0.39 0.059 2.977 0.041 0.322 0.10
3 DV Psc p 0.685 4.38 4450 0.18 0.166 0.063 8.79 6.691 0.095 9.410 0.009 0.826 9.617 23.7216 0.09 0.370 6.123 0.041 0.569 0.10
4 DV Psc s 0.514 3.89 3614 0.22 0.041 0.016 7.83 8.219 0.085 - - 0.174 11.311 23.7216 0.09 0.370 7.817 0.041 0.402 0.09
5 MU Cas p 4.192 1.19 14750 3.39 749.386 286.827 13.77 -2.447 0.149 10.549 0.020 0.555 11.187 0.5133 3.72 0.809 -1.070 0.092 -1.377 0.18
... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ... ...
414 AP And s 1.195 0.44 6495 2.31 2.291 0.877 9.28 3.840 0.101 - - 0.476 11.313 2.9143 0.70 0.196 3.440 0.043 0.400 0.11
415 AL Scl p 3.241 1.54 13550 2.58 319.014 122.103 10.78 -1.519 0.117 6.182 0.006 0.905 6.291 4.6006 3.63 0.021 -0.416 0.089 -1.104 0.15
416 AL Scl s 1.401 1.43 10300 3.50 19.903 7.618 14.27 1.493 0.155 - - 0.095 8.732 4.6006 3.63 0.021 2.026 0.089 -0.533 0.18
417 V821 Cas p 2.308 1.21 9400 4.26 37.469 14.341 17.19 0.806 0.187 8.156 0.006 0.775 8.433 3.4262 0.59 0.061 1.047 0.042 -0.241 0.19
418 V821 Cas s 1.390 1.58 8600 4.65 9.522 3.644 18.87 2.293 0.205 - - 0.225 9.774 3.4262 0.59 0.061 2.388 0.042 -0.094 0.21

* Estimated uncertainty is 0.019 mag.
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Figure 3. Independently calibrated six-band standard 𝐵𝐶 -𝑇eff relations. The
names of the passbands are indicated.

occurs at Gaia 𝐵RP band, while the largest RMS, which is 0.1363
mag, occurs at Johnson 𝐵 band. The RMS of the TESS band has
a moderate value (0.1110 mag) in between these limits. Note that
the RMS values of each band determine the limiting accuracy of
𝑀Bol sınce 𝑀Bol = 𝑀b + 𝐵𝐶b under the condition the uncertainty
of 𝑀b is negligible. The Maximum 𝐵𝐶 values (𝐵𝐶max) occurring at
effective temperature𝑇max are given below the absolute and apparent
magnitudes if the main-sequence star with 𝑇eff = 5772 K is shown
by symbols 𝑀� and 𝑚� in the table. The lowest part of the table
indicates the range of positive 𝐵𝐶 values if exist. Accordingly, the 𝐵𝐶
values of Johnson 𝐵 and Gaia 𝐺BP bands are always negative. The
𝐵𝐶 values of Johnson 𝑉 and Gaia 𝐺 bands would produce positive
𝐵𝐶 values in the middle temperatures; for the 𝑉 band if 5300 < 𝑇eff
< 7830 K, for the G band if 4565 < 𝑇eff < 4720 K. The 𝐵𝐶 values of
Gaia𝐺RP are positive if𝑇eff < 5890 K, while the 𝐵𝐶TESS are positive
if 𝑇eff < 8425 K. The relations are set valid for the main-sequence
stars within the temperature range 2900-38000 K as it is implied by
the sample of DDEB used in the calibrations.
Independently calibrated multiband standard 𝐵𝐶 - 𝑇eff relations

are plotted all together in Fig.3. Except 𝑇𝐸𝑆𝑆 (thick solid) and 𝐺RP
(dashed) curves, which are similar, all of the other curves deviate
from each other, especially towards lowest temperatures while all
curves cross each other at 𝑇eff≈10000 K and appear not deviating
from each other 𝑇eff >10000 K as much as lower temperatures.
Each curve in Fig.3 could be used to estimate a 𝐵𝐶 of a star

at a photometric band preferred if its effective temperature were
known. Because 𝐵𝐶 - 𝑇eff relations are independently calibrated and

Table 2. Coefficients of the fourth-degree polynomials (𝐵𝐶 - 𝑇eff relations)
for estimating 𝐵𝐶b , where b could be one of the Johnson 𝐵, 𝑉 , Gaia 𝐺,
𝐺BP, 𝐺RP and TESS bands

Coefficient 𝐵𝐶∗
B 𝐵𝐶∗

V 𝐵𝐶∗
𝐺

𝐵𝐶∗
𝐺BP

𝐵𝐶∗
𝐺RP

𝐵𝐶TESS

a –1272.43 –3767.98 –1407.14 –3421.55 –1415.67 –318.533
±394.2 ±288.8 ±256.7 ±293.6 ±253.3 ±18.92

b 1075.85 3595.86 1305.08 3248.19 1342.38 232.298
±394.4 ±290.9 ±258.9 ±296.1 ±255.4 ±14.4

c –337.831 –1286.59 –453.605 –1156.82 –475.827 –55.2916
±147.7 ±109.6 ±97.67 ±111.7 ±96.34 ±3.642

d 46.8074 204.764 70.2338 183.372 74.9702 4.27613
±24.53 ±18.32 ±16.34 ±18.68 ±16.12 ±0.3061

e –2.42862 –12.2469 –4.1047 –10.9305 –4.44923 0
±1.552 ±1.146 ±1.023 ±1.169 ±1.009 -

rms 0.136257 0.120071 0.11068 0.126577 0.109179 0.110951
𝑅2 0.9616 0.9789 0.9793 0.9738 0.9884 0.9847

𝐵𝐶� (mag) –0.600 0.069 0.106 –0.134 0.567 0.517
𝑀� (mag) 5.340 4.671 4.634 4.874 4.173 4.223
𝑚� (mag) –26.232 –26.901 –26.938 –26.698 –27.399 –27.349

𝐵𝐶max (mag) –0.301 0.094 0.106 –0.062 0.709 0.664
𝑇max (K) 8222 6397 5715 6879 4345 4210

𝑇1 (K) - 5300 4565 - - -
𝑇2 (K) - 7830 7420 - 8590 8425

*: Bakış & Eker (2022).

because observations at different photometric bands are independent,
the predicted values of 𝑀Bol of various bands would be independent.
The six independent 𝑀Bol for a single star could then be combined
by taking an average. At last, the standard 𝐿 of a star is calculated
from the averaged 𝑀Bol. Otherwise, each 𝑀Bol providing a standard
𝐿 would be less accurate than the limiting accuracy indicated by the
RMS values in Table 2.

2.3 Data for Testing 𝐵𝐶 - 𝑇eff Relations

Five band (𝐵, 𝑉 , 𝐺, 𝐺RP and 𝐺BP) 𝐵𝐶 and 𝐵𝐶 - 𝑇eff relations has
already been tested by Bakış & Eker (2022) by a sample of DDEB
components from which 𝐵𝐶b were computed and 𝐵𝐶b - 𝑇eff cali-
brated, where b is any of the five photometric bands. Simply because
DDEB are known to provide the most accurate stellar parameters
(Andersen 1991; Torres 2010; Eker et al. 2014, 2015, 2018) and are
already ready for such a test. The next most accurate stellar param-
eters appear to be coming from single stars which are hosting one
or more exoplanets discovered by radial velocity variations and/or
transiting light curves. High resolution and high signal-to-noise ratio
spectra provide reliable 𝑙𝑜𝑔 𝑔 and 𝑇eff of the host stars, while rel-
atively shallow transits detected by ultra-high signal to ration light
curves like TESS, on the other hand, resemble eclipses of DDEB,
from which stellar 𝑅 and 𝑀 could be estimated at about ∼ 8 per cent
and 30 per cent (Stassun et al. 2017) using the direct observables.
Later, the method is revised to provide host star 𝑅 and 𝑀 at a level of
10 per cent and 25 per cent by Stassun et al. (2018). At last, with the
improved parallaxes of DR2 at the time and using granulation based
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𝑙𝑜𝑔 𝑔 via Fourier background modelling (Corsaro et al. 2017) with
TESS, the accuracy reached to 3 and 10 per cent levels respectively,
which appear ideal for testing existing multiband 𝐵𝐶 and 𝐵𝐶 - 𝑇eff
relations by a different sample of stars other than DDEB components.
Host star physical parameters and associated errors are listed in

NASA Exoplanet Archive3 together with the physical and orbital
parameters of the confirmed planets. There was 5081 confirmed exo-
planet belonging to 3799 host stars at the time when we downloaded
the planetary systems composite data, from which we have selected
306 host stars having the most accurate 𝑅 and 𝑇eff both within 2 per
cent of accuracy for our preliminary list. This way, host stars with the
most accurate stellar 𝐿 at all luminosity classes were collected inten-
tionally in order to see how good existing main-sequence multiband
𝐵𝐶 - 𝑇eff relations are usable to other stages of evolution. Noting
that the 𝐿 of a star primarily depends on its mass and metallicity,
which is critical to identify sub-giants and main-sequence stars on
H-R diagram, the host stars with a published metallicity were pre-
ferred. Because of the note “Data may not be self-consistent if drawn
from multiple sources” on the table of Planetary Systems Composite
Data, we have studied each star from its original sources to make sure
self-consistency. In the second step, where we had to replace some of
the original choices of 𝑅 and 𝑇eff with a new 𝑅 and 𝑇eff together with
their associated uncertainty for the sake of consistency. We preferred
not to discard a host star if the uncertainty of the new entry is bigger
than 2 per cent but less than 3 per cent. Additional host stars fitting
the selection criteria were also added thus our final list is enlarged to
have 350 host stars.
However, during the process of estimating interstellar dimming of

the selected host stars one by one from their un-reddened and red-
dened SED fitting, the following six systems KELT-21, WASP-118,
HATS-37, Kepler-38, Kepler-1647 and Kepler-1661 were discarded
because they have secondaries polluting their SED. The bright host 𝛼
Tau was also discarded because it does not have Gaia apparent mag-
nitudes. We had no choice but to discard the host K2-374 because
its observed spectrophotometric fluxes could not be reached and the
host K2-127 was discarded because its observed spectrophotometric
fluxes were found not to fit its SED.
The sample containing 341 hosts selected for this study for testing

multiband 𝐵𝐶 and 𝐵𝐶 - 𝑇eff relations are listed in Table 3. Order
and the star name are in columns 1 and 2 while parallax, error and
reference are in columns 3, 4, and 5. Columns 6, 7 and 8 indicate ra-
dius, radius error and reference while columns 9, 10, 11 and 12 show
spectral type, 𝑇eff , temperature error and reference. Column 13 is the
luminosity class determined by us using ZAMS and TAMS lines of
PARSEC models (Bressan et al. 2012) according to the published
metallicity. The luminosity according to the Stefan-Boltzmann law
from the observed 𝑅 and 𝑇eff in solar and SI units are in columns 14
and 15 respectively while its propagated relative uncertainty (Δ𝐿/𝐿)
is in column 16. Corresponding 𝑀Bol and uncertainty in the magni-
tude scale according to Eq.1 are given in columns 17 and 18.
Observational random errors of 𝑅 and 𝑇eff are compared to the

propagated errors of 𝐿 in Fig.4, where a much wider distribution
of 𝐿 errors with a peak at 5 per cent caused by the powers of 𝑅
and 𝑇eff is obvious. Fig.5 displays the positions of the sample host
stars on the H-R diagram where the luminosity classes are indicated.
Thus, the single host star sample contains 281 main-sequence (V),
40 sub-giants (IV), 19 giants and one pre-main-sequence (PMS) star
YSES-2 (Bohn et al. 2021).

3 https://exoplanetarchive.ipac.caltech.edu/
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Figure 4. Error distributions of effective temperatures, radii and luminosity
of 341 single host-stars in the present sample.
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3 CALCULATIONS

3.1 Estimating interstellar extinction using SED

Assuming a star is a black body having a temperature𝑇eff and if there
is no interstellar extinction, a spherical star of size 𝑅 would produce
a continuum flux (SED) at a distance 𝑑 from its centre. Putting this
star at the 𝑑 parsec away from the Earth, according to the notation of
Bakış & Eker (2022), its monochromatic flux above the atmosphere
is

𝑓_ =
𝑅2

𝑑2
𝜋𝐵_ (𝑇eff). (5)
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Table 3. The sample of host stars with most accurate radii and effective temperatures chosen for testing 𝐵𝐶 and 𝐵𝐶 −𝑇eff relations.

Order Host Parallax 𝜎𝜛
𝜛

Plx 𝑅 err Reference Sp. 𝑇 err Reference Lum. 𝐿/𝐿� 𝐿(SI) Δ𝐿
𝐿

𝑀Bol err
Name [mas] [%] Source [𝑅�] [𝑅�] Type [K] [K] Class ×1027 [%] [mag] [mag]

1 16 Cyg B 47.3302 0.0362 DR3 1.13 0.01 2017AJ....153..136S G3 V 5750 8 2017AJ....153..136S V 1.258 0.481 1.9 4.491 0.020
2 24 Sex 13.6402 0.1960 DR3 4.90 0.08 2011AJ....141...16J K0 IV 5098 44 2011AJ....141...16J III 14.611 5.592 4.8 1.828 0.052
3 2MASSJ08421149+1916373 5.4387 0.3377 DR3 0.83 0.01 2016A&A...588A.118M 0 5300 30 2016A&A...588A.118M V 0.486 0.186 3.7 5.523 0.040
4 55 Cnc 79.4482 0.0540 DR3 0.96 0.02 2021ApJS..255....8R K0 IV-V 5318 81 2021ApJS..255....8R V 0.664 0.254 7.4 5.185 0.080
5 61 Vir 117.1726 0.1243 DR3 0.96 0.01 2010ApJ...708.1366V G5 V 5577 33 2010ApJ...708.1366V V 0.808 0.309 3.3 4.971 0.036
. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
337 WASP-187 2.7780 0.6339 DR3 2.83 0.05 2020MNRAS.499..428S F 6150 89 2020MNRAS.499..428S V 10.322 3.951 6.8 2.206 0.073
338 WASP-189 10.0997 0.2901 DR3 2.36 0.03 2020A&A...643A..94L A 8000 80 2020A&A...643A..94L V 20.553 7.867 4.7 1.458 0.051
339 XO-2 N 6.6588 0.2367 DR3 0.99 0.01 2012ApJ...761....7C K0 V 5332 57 2015A&A...575A.111D V 0.714 0.273 4.6 5.106 0.050
340 XO-7 4.3216 0.3066 DR3 1.48 0.02 2020AJ....159...44C G0 V 6250 100 2020AJ....159...44C V 3.011 1.153 7.1 3.543 0.077
341 YSES 2 9.1537 0.1291 DR3 1.19 0.02 2021A&A...648A..73B K1 V 4749 40 2021A&A...648A..73B PMS 0.652 0.250 5.0 5.204 0.054

where 𝜋𝐵_ (𝑇eff) is monochromatic surface flux and 𝑅2/𝑑2 is the
dilution factor.
Using the parallaxes (𝜛), radii (𝑅) and effective temperatures

(𝑇eff) in Table 3, the unreddened SED of the host stars in this study
are computed in units of𝑊𝑚−2 Å−1 and compared to their observed
spectrophotometric flux data from the SIMBAD database (Wenger
et al. 2000). For the nearby hosts with no interstellar extinction, like
𝜎 Boo in the upper panel of Fig.6, the SED are found to fit perfectly
to observed spectrophotometric flux data at all wavelengths. But, for
the hosts with interstellar extinction like TOI-4329, the observed data
towards the shortwavelengthswould be found offwhile the fit towards
the long wavelengths appears acceptable to confirm the observed
input parameters (𝜛, 𝑅 and𝑇eff ) are consistent. Inconsistency occurs
if one or all of the observed parameters are determined wrongly
and/or there is excess radiation in the system, which could be due to
radiating circumstellar dust or flux from a companion star if the host
is not a single star but a close binary.
The reddened SED of the host stars is modelled one by one by

adjusting 𝐸 (𝐵 − 𝑉) of the system until a best-fitting reddened SED
is obtained using the reddening model of Fitzpatrick (1999). Unred-
dened SED and best fitting reddened SED of the host star TOI-4329
are shown together in the lower panel of Fig.6.
Filter transition profiles, 𝑆_ (b), of the photometric bands Johnson

𝐵,𝑉 , Gaia𝐺,𝐺BP,𝐺RP and𝑇𝐸𝑆𝑆 are needed to calculate interstellar
extinctions, 𝐴b ,

𝐴b = 2.5𝑙𝑜𝑔

∫ ∞
0 𝑆_ (b) 𝑓 0_ 𝑑_∫ ∞
0 𝑆_ (b) 𝑓_𝑑_

, (6)

where it is clear that if un-reddened 𝑓 0
_
and reddened 𝑓_ are the same,

𝐸 (𝐵 − 𝑉) and all 𝐴b would be zero, which means no interstellar
extinction. The filter profiles of the photometric bands are displayed
in Fig.7 where transmission data for Johnson 𝐵 and 𝑉 are taken
from Bessell (1990), Gaia passbands from Evans et al. (2018) and
TESS from Sullivan et al. (2015). The passband-based interstellar
extinctions determined by equation 6 for the host stars in this study
are given in Table 4 together with apparent magnitudes.

3.2 Calculating standard 𝐿 by multiband 𝐵𝐶

Using the apparent magnitudes and the interstellar extinctions from
Table 4 and the parallaxes from Table 3, the multiband absolute
magnitudes of the host stars are calculated by

𝑀b = b + 5𝑙𝑜𝑔𝜛 + 5 − 𝐴b (7)

where b and 𝐴b are apparent magnitude and interstellar extinction in
which the symbol b indicates one of the bands at Johnson 𝐵,𝑉 , Gaia
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Figure 6. SED data and model for 𝜎 Boo (top) and TOI 4329 (bottom). The
data refers to within 5 arcsecs around the objects.
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Figure 7.Transmission curves of photometric passband used in SED analysis.

𝐺, 𝐺BP, 𝐺RP or 𝑇𝐸𝑆𝑆, while 𝜛 is the parallax in parsec units. The
uncertainties of the multiband absolute magnitudes are calculated by

Δ𝑀b =

√︂
(Δ𝑚 b )2 + (5𝑙𝑜𝑔𝑒 𝜎𝜛

𝜛
)2 + (Δ𝐴b )2 (8)

where the first term in the square root represents the uncertainty
contribution of the apparent magnitude, while the second and third
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Table 4. Apparent magnitudes and extinctions of the host stars sample at Johnson 𝐵, 𝑉 , Gaia 𝐺, 𝐺BP, 𝐺RP and TESS passbands. The full table is available
online.

Order Hostname 𝐵 err 𝑉 err 𝐺 err 𝐺BP err 𝐺RP err 𝑇 𝐸𝑆𝑆 err 𝐴B∗ 𝐴V∗ 𝐴𝐺∗ 𝐴𝐺𝐵𝑃∗ 𝐴𝐺𝑅𝑃∗ 𝐴TESS∗
[mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag]

1 16 Cyg B 6.876 0.072 6.215 0.016 6.073 0.003 6.401 0.003 5.575 0.004 5.628 0.006 0.000 0.000 0.000 0.000 0.000 0.000
2 24 Sex 7.399 0.019 6.454 0.023 6.215 0.003 6.676 0.003 5.584 0.004 5.642 0.006 0.121 0.091 0.080 0.099 0.056 0.057
3 2MASSJ08421149+1916373 13.062 0.005 12.163 0.080 11.926 0.003 12.360 0.003 11.325 0.004 11.385 0.006 0.162 0.122 0.107 0.132 0.075 0.077
4 55 Cnc 6.816 0.019 5.951 0.023 5.733 0.003 6.156 0.003 5.147 0.004 5.206 0.006 0.000 0.000 0.000 0.000 0.000 0.000
5 61 Vir 5.440 0.007 4.740 0.009 4.533 0.003 4.905 0.003 4.006 0.006 4.085 0.008 0.000 0.000 0.000 0.000 0.000 0.000
. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
337 WASP-187 10.836 0.083 10.295 0.006 10.138 0.003 10.449 0.003 9.657 0.004 9.712 0.010 0.243 0.183 0.168 0.203 0.114 0.117
338 WASP-189 6.788 0.025 6.598 0.023 6.572 0.003 6.658 0.003 6.388 0.004 6.416 0.006 0.000 0.000 0.000 0.000 0.000 0.000
339 XO-2 N 11.947 0.161 11.246 0.011 10.971 0.003 11.390 0.003 10.392 0.004 10.447 0.006 0.000 0.000 0.000 0.000 0.000 0.000
340 XO-7 11.229 0.087 10.521 0.006 10.460 0.003 10.764 0.003 9.999 0.004 10.052 0.006 0.284 0.214 0.196 0.238 0.133 0.137
341 YSES 2 11.767 0.151 10.885 0.011 10.525 0.003 11.030 0.008 9.862 0.007 9.932 0.006 0.201 0.152 0.130 0.163 0.093 0.095

* Uncertainties: 0𝑚.04 (𝐴B), 0𝑚.03 (𝐴V), 0𝑚.029 (𝐴𝐺), 0𝑚.035 (𝐴𝐺BP ), 0
𝑚.019 (𝐴𝐺RP ) and 0

𝑚.019 (𝐴TESS).

terms are uncertainty contributions of the parallax and interstellar
extinction. Computed multiband absolute magnitudes and associated
uncertainties are listed in Table 5 together with multiband 𝐵𝐶 values
from the 𝐵𝐶 − 𝑇eff relations in Table 2.
Next, the absolute bolometric magnitudes from multiband pho-

tometry are calculated by

𝑀Bol (b) = 𝑀b + 𝐵𝐶b (9)

and listed in Table 6 together with their propagated errors from

Δ𝑀Bol (b) =
√︃
(Δ𝑀b )2 + (Δ𝐵𝐶b )2 (10)

where Δ𝐵𝐶b are RMS values in Table 2, while Δ𝑀b are from Table
5. Notice that the propagated errors are slightly bigger than the RMS
values in Table 2. This must be the result of the high accuracy at the
apparent magnitudes and parallaxes of the host stars selected for this
study.
Next, multiband absolute bolometric magnitudes are combined by

a weighted mean using

𝑀Bol =

∑𝑁
𝑖=1 𝑤𝑖𝑀Bol,𝑖∑𝑁

𝑖=1 𝑤𝑖
(11)

where 𝑀𝑏𝑜𝑙,𝑖 = 𝑀𝑖 +𝐵𝐶𝑖 , provided with 𝑖 = 𝐵,𝑉 ,𝐺,𝐺BP,𝐺RP and
𝑇𝐸𝑆𝑆 passbands. N is a number between 2 (if𝑀Bol is predicted from
two bands only) and 6 (if 𝑀Bol is predicted from all the passbands)
while 𝑤𝑖 is the weight for each passband which is 𝑤𝑖 = 1

𝜎2
𝑖

, where
𝜎𝑖 is the uncertainty of 𝑀𝑏𝑜𝑙,𝑖 .
The weighted mean and its standard error are given in columns

15 and 16 in Table 6. At last, the standard 𝐿 of the host stars is
calculated from the weighted mean in SI units according to Eq.1.
Then the standard 𝐿 of SI units are transformed into solar units.
Then both 𝐿 by SI and solar units are recorded at columns 17 and 18
in Table 6. The equation by Eker et al. (2021b)

Δ𝐿

𝐿
=

Δ𝑀Bol
2.5𝑙𝑜𝑔𝑒

= 0.921Δ𝑀Bol (12)

is used for propagating the standard error of the weighted mean to
estimate the uncertainty of the standard 𝐿 predicted from the six-band
photometry. It is listed in column 19 in Table 6.

3.3 Calculating standard 𝑅 from standard 𝐿

Having accurately determined standard 𝐿 by the multiband photom-
etry in this study, we have tried predicting the standard 𝑅 of a star in
order to compare it to the published 𝑅 using

𝑅

𝑅�
=

√︄
𝐿/𝐿�

(𝑇eff/𝑇�)4
(13)

where 𝐿 and𝑇eff are the recovered luminosity and published effective
temperature of a star while 𝐿� is 3.8275 × 1026 W and 𝑇�=5772
K are the nominal luminosity and effective temperature of the Sun.
Uncertainty of the predicted radius is obtained by

Δ𝑅

𝑅
=

√︂
(Δ𝐿
2𝐿

)2 + (2Δ𝑇
𝑇

)2. (14)

The predicted standard 𝑅 and its uncertainty are given in columns
20 and 21 of Table 6.

4 DISCUSSIONS

It is known that 𝐵𝐶 of a star does not only vary by its spectral type
and/or 𝑇eff but also varies by its luminosity class (log 𝑔) (Johnson
1966; Cox 2000) and metallicity [m/H] (Girardi et al. 2002, 2008;
Masana et al. 2006; Pedersen et al. 2020) and even by its rotation
speed (Chen et al. 2019). However, the empirical 𝐵𝐶 values and
the 𝐵𝐶 − 𝑇eff relations of Flower (1996), which were rectified later
by Torres (2010), was claimed unique for all luminosity classes;
main-sequence (V), subgiants (IV), giants (III), supergiants (II) and
bright supergiants (I). Unfortunately, being deduced from the 335
stars of mixed luminosity collected from the literature, the data was
not sufficient to calibrate various 𝐵𝐶 − 𝑇eff relations of different
luminosity classes.
Therefore, the original and the rectified relations were claimed to

be valid at all luminosity classes in the temperature range from 2900
to 52000 K which were expressed by three different polynomials
each covering a temperature range as log 𝑇eff < 3.70, 3.70 < log 𝑇eff
< 3.90 and log 𝑇eff > 3.90 by a note “The 𝑇eff :𝐵𝐶 relation for stars
with temperatures less than ∼5000 K, however, is uncertain”. Torres
(2010) quoted “Many authors find this source convenient because, in
addition to the table, it presents simple polynomial fits for 𝐵𝐶V valid
over a wide range of temperatures.”, therefore, the claim of Flower
(1996) is critical to be tested for the sake of 𝐵𝐶 users in various fields
of astrophysics.
Flower (1996) was the only study giving 𝐵𝐶V of a star as a func-

tion of its𝑇eff while other sources of 𝐵𝐶 were in tabulated forms until
Eker et al. (2020) who calibrated a single main-sequence 𝐵𝐶V −𝑇eff
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8 Eker and Bakış

Table 5. Absolute magnitudes and bolometric corrections at Johnson 𝐵, 𝑉 , Gaia 𝐺, 𝐺BP, 𝐺RP and TESS passbands. The full table is available online.

Order Hostname 𝑀B err 𝑀V err 𝑀G err 𝑀GBP err 𝑀GRP err 𝑀TESS err 𝐵𝐶B∗ 𝐵𝐶V∗ 𝐵𝐶G∗ 𝐵𝐶GBP∗ 𝐵𝐶GRP∗ 𝐵𝐶TESS∗
[mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag]

1 16 Cyg B 5.252 0.083 4.591 0.034 4.449 0.029 4.776 0.035 3.950 0.019 4.004 0.020 -0.609 0.066 0.106 -0.138 0.572 0.526
2 24 Sex 2.952 0.044 2.036 0.038 1.810 0.029 2.251 0.035 1.202 0.020 1.259 0.021 -0.874 -0.046 0.078 -0.293 0.663 0.617
3 2MASSJ08421149+1916373 6.578 0.041 5.719 0.086 5.496 0.030 5.905 0.036 4.928 0.021 4.986 0.022 -0.778 0.000 0.093 -0.233 0.639 0.592
4 55 Cnc 6.316 0.044 5.451 0.038 5.233 0.029 5.656 0.035 4.647 0.019 4.706 0.020 -0.770 0.004 0.094 -0.228 0.636 0.589
5 61 Vir 5.784 0.041 5.084 0.031 4.877 0.029 5.249 0.035 4.350 0.020 4.429 0.021 -0.668 0.046 0.104 -0.169 0.599 0.552
. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
337 WASP-187 2.811 0.093 2.330 0.034 2.189 0.032 2.465 0.038 1.762 0.024 1.814 0.026 -0.499 0.091 0.098 -0.090 0.502 0.457
338 WASP-189 1.810 0.048 1.619 0.038 1.593 0.030 1.680 0.036 1.409 0.020 1.438 0.021 -0.302 -0.019 -0.066 -0.108 0.125 0.088
339 XO-2 N 6.064 0.166 5.363 0.032 5.088 0.030 5.506 0.035 4.509 0.020 4.564 0.021 -0.764 0.007 0.095 -0.224 0.634 0.588
340 XO-7 4.123 0.096 3.485 0.031 3.442 0.030 3.705 0.036 3.044 0.020 3.093 0.021 -0.477 0.093 0.094 -0.082 0.483 0.439
341 YSES 2 6.374 0.156 5.541 0.032 5.203 0.029 5.676 0.036 4.576 0.021 4.645 0.020 -1.074 -0.161 0.034 -0.431 0.695 0.651

* Uncertainties: 0𝑚.1363 (𝐵𝐶B), 0𝑚.1201 (𝐵𝐶V), 0𝑚.1107 (𝐵𝐶G), 0𝑚.1266 (𝐵𝐶GBP), 0𝑚.1092 (𝐵𝐶GRP) and 0𝑚.1110 (𝐵𝐶TESS).

Table 6. Bolometric absolute magnitudes from the bands of Johnson 𝐵, 𝑉 , Gaia𝐺,𝐺BP,𝐺RP, TESS passband, weighted mean, recovered luminosity and radii
of the host stars. The full table is available online.

Order Hostname 𝑀bol (𝐵) err 𝑀bol (𝑉 ) err 𝑀Bol (𝐺) err 𝑀Bol (𝐺BP) err 𝑀Bol (𝐺RP) err 𝑀Bol (𝑇 𝐸𝑆𝑆) err Mean 𝑀Bol Std err 𝐿/𝐿� 𝐿(SI) Δ𝐿
𝐿

𝑅 err
[mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag] ×1027 [%] [𝑅�] [𝑅�]

1 16 Cyg B 4.643 0.159 4.657 0.125 4.555 0.114 4.638 0.131 4.522 0.111 4.529 0.113 4.580 0.023 1.159 0.443 0.021 1.085 0.012
2 24 Sex 2.078 0.143 1.990 0.126 1.888 0.115 1.958 0.131 1.866 0.111 1.876 0.113 1.930 0.031 13.309 5.094 0.028 4.677 0.105
3 2MASSJ08421149+1916373 5.800 0.142 5.719 0.148 5.589 0.115 5.672 0.132 5.566 0.111 5.577 0.113 5.636 0.035 0.438 0.168 0.032 0.785 0.015
4 55 Cnc 5.546 0.143 5.455 0.126 5.327 0.114 5.428 0.131 5.284 0.111 5.296 0.113 5.373 0.039 0.558 0.214 0.036 0.880 0.031
5 61 Vir 5.117 0.142 5.131 0.124 4.981 0.114 5.080 0.131 4.949 0.111 4.982 0.113 5.029 0.029 0.766 0.293 0.027 0.938 0.017
. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
337 WASP-187 2.312 0.165 2.421 0.125 2.287 0.115 2.375 0.132 2.264 0.112 2.271 0.114 2.316 0.024 9.322 3.568 0.022 2.689 0.083
338 WASP-189 1.507 0.144 1.601 0.126 1.527 0.115 1.572 0.132 1.535 0.111 1.525 0.113 1.544 0.013 18.993 7.269 0.012 2.269 0.047
339 XO-2 N 5.300 0.215 5.370 0.124 5.183 0.115 5.282 0.131 5.143 0.111 5.151 0.113 5.221 0.034 0.642 0.246 0.032 0.939 0.025
340 XO-7 3.646 0.167 3.578 0.124 3.536 0.115 3.623 0.132 3.528 0.111 3.533 0.113 3.563 0.019 2.956 1.131 0.017 1.466 0.049
341 YSES 2 5.300 0.207 5.381 0.124 5.237 0.115 5.245 0.132 5.271 0.111 5.296 0.113 5.286 0.019 0.605 0.232 0.018 1.149 0.022

relation valid in the temperature range 3100 - 36000 K using the pub-
lished parameters of 290 DDEB systems having Gaia DR2 trigono-
metric parallaxes. Non-main-sequence empirical 𝐵𝐶 −𝑇eff relations
are still not calibrated to confirm theoretically claimed differences
of a 𝐵𝐶 at various luminosity classes which appear as the tabulated
tables generated theoretically using model atmospheres.
The situation has not yet changed, thus, one way of testing the

claim of Flower (1996) is to apply most recently calibrated main-
sequence empirical multi-band 𝐵𝐶 − 𝑇eff relations of Bakış & Eker
(2022) and 𝐵𝐶TESS − 𝑇eff relation of this study on the stars with
most accurate 𝑅 and 𝑇eff with mixed luminosity classes and to see
how successful their 𝐿 would be recovered from their multiband
apparent magnitudes (Johnson 𝐵, 𝑉 , Gaia 𝐺, 𝐺BP, 𝐺RP and 𝑇𝐸𝑆𝑆),
𝐵𝐶 values (Table 2), parallaxes (Table 3) and interstellar extinctions
(Table 4).
This study gave us this opportunity to compare the recovered 𝐿

from multiband photometry and the computed 𝐿 from published 𝑅
and 𝑇eff by the Stefan Boltzmann law.

4.1 Comparing 𝐿 from multiband photometry and 𝐿 from 𝑅

and 𝑇eff

Figure 8a compares the standard 𝐿 of the host stars (Table 6, column
18) recovered from their six band (Johnson 𝐵, 𝑉 , Gaia 𝐺, 𝐺BP, 𝐺RP
and 𝑇𝐸𝑆𝑆) photometry and 𝐿 (Table 3, column 15) of the same
sample calculated directly from their published 𝑅 and 𝑇eff using the
Stefan-Boltzmann law. Regardless to the luminosity classes of the
host stars, an outstanding agreement between the predicted and the
computed 𝐿 values is clear.
Accuracy of the recovered 𝐿 is indicated in Figure 8b, where

histogram error distributions of the recovered 𝐿 of host stars are
compared to the histogram error distributions of the computed 𝐿. It
is obviously seen in Figure 8b that the indirect method of obtaining
𝐿, which requires a pre-computed 𝐵𝐶, produced twice more accu-
rate standard 𝐿 than the direct method because the peak of error
distribution of the predicted 𝐿 is 2 per cent while the peak of error
distribution of the computed 𝐿 is 4 per cent. This result, however, is

the result of combining independent photometric 𝑀Bol values (Table
6) by a weighted average, where the standard error of the weighted
mean is propagated as the relative uncertainty (Δ𝐿/𝐿) of the recov-
ered 𝐿. If single band photometry is used to obtain a single 𝑀Bol
from 𝑀b + 𝐵𝐶b , where b is one of the bands of Johnson 𝐵, 𝑉 , Gaia
𝐺,𝐺BP,𝐺RP and𝑇𝐸𝑆𝑆, the accuracy of the recovered 𝐿 would have
been worse; worse than the errors of computed 𝐿 which has a peak
at 4 per cent.
Because of very accurate apparent magnitudes, parallaxes and a

few per cent accuracies in interstellar extinctions (Table 4), the errors
of the absolute magnitudes in Table 5 contributed very little with
respect to the error contributions of 𝐵𝐶s that the errors of 𝑀Bol (b)
in Table 6 are just slightly bigger than the corresponding RMS values
in Table 2. According to Table 6 the most accurate 𝑀Bol (b) would
have a 0.111 mag uncertainty, which corresponds to 10 per cent
error in the recovered 𝐿 (Δ𝐿/𝐿) according to Eq.12 if single channel
photometry is used. If a non-standard 𝐵𝐶s were used, an additional
10 per cent error further reducing this accuracy would have been
inevitable (see Torres 2010; Eker et al. 2021a,b, 2022), which was
the case in earlier applications with various tabulated 𝐵𝐶 values.
Figure 8 indicates that a main-sequence 𝐵𝐶 or 𝐵𝐶 − 𝑇eff relation

could be used in predicting 𝐿 of giants, subgiants and even a PMS
also without ruling out the fact that 𝐵𝐶 of a star also depends on
its luminosity class (log 𝑔), metal abundance and even its rotational
speed as displayed by many tabulated 𝐵𝐶s produced theoretically
from model atmospheres. This fact becomes more noticeable in the
comparison of the predicted 𝑅 and published 𝑅 of the host stars in
the next subsection.

4.2 Comparing predicted 𝑅 to published 𝑅

Figure 9ab compares the predicted 𝑅 (Table 6, column 20) from
published 𝑇eff and recovered 𝐿 to the published 𝑅 (Table 3, column
6) of the sample host stars. A sufficiently good agreement between
the predicted and published 𝑅 appears supporting Flower (1996) but,
on the other hand, a small but clear offset of giants (Fig 9a) and
subgiants (Fig 9b) from the diagonal most probably caused by small
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difference of 𝐵𝐶 values among different luminosity classes actually
disapproves him. The Small difference appears to be negligible so
that a user could be satisfied by the recovered R of a giant star using
a main-sequence 𝐵𝐶 −𝑇eff relation, but this does not mean 𝐵𝐶 −𝑇eff
relations of different luminosity classes are the same.
Accuracy of the predicted 𝑅 of the whole sample is displayed in

Figure 9c, where error histograms of the predicted and published 𝑅
of the host stars are compared. It is obvious in Figure 9c that the peaks
of both distributions are about the same at 2 per cent, however, the
error distribution of the predicted 𝑅 has rather a gradually decreasing
tail reaching out to 6 per cent while the errors of published 𝑅 has a
sharply ending tail at 2.5 per cent due to the selection criteria of the
host stars for this study. More accurate sides of the distributions are
also different so that almost half of the most accurate 𝑅s of the host
stars appear to be moved towards the less accurate side because of
the less accurate tail of the 𝐿 errors (see Fig.4).
Such an error distribution of the predicted 𝑅 is deducible from

Eq.14. Noticing that the peak of the error distribution of the predicted
𝐿 is at 2 per cent (see Fig. 8b) and the peak of the error distribution
of the published 𝑇eff (See Fig 4a) is about 1 per cent. Plugging these
values into Eq.14, one obtains the typical error of predicted 𝑅 is ∼ 2
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per cent (
√
5). It is obvios that the errors of published 𝑇eff dominate.

That is, using multiband 𝐵𝐶 − 𝑇eff relations in this study, it is now
possible to obtain 𝑅 of a single star with a relative error twice the
relative error of 𝑇eff .

4.3 How a main-sequence 𝐵𝐶 − 𝑇eff relation works at all
luminosity classes?

Main-sequence 𝐵𝐶−𝑇eff relations fromTable 2 are used in predicting
𝐿 and 𝑅 of the host stars. Figures 8 & 9 indicate predictions are
successful within the error limits regardless of the luminosity classes
(V, IV, III and a PMS) of the host stars. Therefore, one may think
the claim of Flower (1996) "All luminosity classes appear to follow
a unique 𝐵𝐶 - 𝑇𝑒 𝑓 𝑓 relation" would be true. Consequently, a reader
would have a question “How do main-sequence 𝐵𝐶 − 𝑇eff relations
work in predicting the 𝐿 and 𝑅 of a star, which could be a main
sequence star, or a subgiant or a giant and even a pre-main-sequence
star?”.
This is because the information about the luminosity class of a

star is contained mostly in its apparent magnitude rather than its
𝐵𝐶. Therefore, because the contributions of 𝐵𝐶s are secondary or
negligible in the predictions of 𝑀Bol (b), which are 𝑀b + 𝐵𝐶b ,
one can apparently obtain standard 𝐿 and 𝑅 of a single star, which
may belong to any luminosity class V, IV, III, or PMS, from its
multiband photometry within the error limits set by the propagation
of observational random errors and RMS deviations of the 𝐵𝐶 −𝑇eff
relations (Table 2) if the star has a reliable 𝑇eff and parallax.

5 CONCLUSIONS

The following main-sequence 𝐵𝐶TESS −𝑇eff relation, where 𝑋 = log
𝑇eff .

𝐵𝐶TESS = −318.533 + 232.298𝑋 − 55.2916𝑋2 + 4.27613𝑋3 (15)

is calibrated using the published 𝑅 and 𝑇eff of 390 main-sequence
stars which are the components of 202 DDEB with TESS apparent
magnitudes selected from 209 DDEB. The other five band (Johnson
𝐵,𝑉 , Gaia 𝐺, 𝐺BP and 𝐺RP) 𝐵𝐶 −𝑇eff relations (Table 2) calibrated
by the same DDEB sample are taken from Bakış & Eker (2022).
Being different from previously calibrated relations, which are poly-
nomials of the fourth degree, this newly calibrated relation is found
to be a third-degree polynomial fitting best to the existing data. The
uncertainties of the coefficients and other statistics such as RMS de-
viations and correlation coefficient (𝑅2) are given in Table 2 together
with the other statistics of the other five band-relations.
The five-band 𝐵𝐶−𝑇eff relations and 𝐵𝐶 coefficients were already

tested by Bakış & Eker (2022) by a successful recovery of 𝐿 of
the main-sequence stars from the same DDEB sample used in the
calibrations of these relations. Consequently, Bakış & Eker (2022)
concluded that one of the secondary methods of obtaining 𝐿, which
requires a pre-computed 𝐵𝐶, may provide more accurate 𝐿 than
the classical method relying on the Stefan-Boltzmann law if the
information provided by multiband 𝐵𝐶−𝑇eff relations are combined.
Briefly, various 𝑀Bol are calculated first using the 𝐵𝐶 values from
the multiband 𝐵𝐶 − 𝑇eff relation for the given 𝑇eff of a star. Then all
𝑀Bol values are combined to a mean 𝑀Bol. Eq.1 is used to obtain 𝐿
of the star from the mean 𝑀Bol. Including the 𝐵𝐶TESS −𝑇eff relation
produced in this study, the six-band (Johnson 𝐵, 𝑉 , Gaia 𝐺, 𝐺BP,
𝐺RP and 𝑇𝐸𝑆𝑆) 𝐵𝐶 −𝑇eff relations, which are deduced from DDEB

components, were tested by recovering the 𝐿 and 𝑅 of the single host
stars with the most accurate published 𝑇eff and 𝑅 similarly.
Both tests (recovering 𝐿 and recovering 𝑅) are found successful

to conclude that 1) Using multiband 𝐵𝐶 − 𝑇eff relations and 𝑇eff ,
one can obtain 𝐿 of a single star more accurate than the classical
direct method of obtaining 𝐿 relying on the Stefan-Boltzmann law.
2) Accurately predicted 𝐿 of a single star could be used in predicting
its 𝑅, a critical parameter for exoplanet studies, with reasonable
accuracy. The 𝑇eff of the star is the only stellar parameter one needs
to know to obtain its 𝐿 and 𝑅 in addition to its parallax, apparent
magnitudes in Johnson 𝐵,𝑉 , Gaia𝐺,𝐺BP,𝐺RP and𝑇𝐸𝑆𝑆 passband
and interstellar extinctions.
Since the present sample contains stars of various luminosity

classes (281 main-sequence, 40 subgiants, 19 giants and 1 PMS),
we could conclude that not only 𝐿 and 𝑅 of the main-sequence but
also subgiant, giant and even pre-main sequence stars could be re-
covered at about 2 per cent uncertainty if the input 𝑇eff in the range
from 2900 to 38000 K is accurate to have a one per cent uncertainty
using the six band 𝐵𝐶 − 𝑇eff relations in Table 2, despite they were
calibrated with main-sequence stars.
This result implies that the claim of Flower (1996) "All luminosity

classes appear to follow a unique 𝐵𝐶 - 𝑇𝑒 𝑓 𝑓 relation" is true, how-
ever, it does not rule out the effect of 𝑙𝑜𝑔𝑔 of a star on its 𝐵𝐶. This is
because there is a small but clear underestimation with the recovered
𝑅 of the subgiant and giant hosts according to Figure 9 and perhaps
a similar underestimation of recovered 𝐿 of the same subgiant and
giant hosts also exists in Figure 8. These negligible differences may
well be caused by small differences in 𝐵𝐶 values due to different
luminosity classes. Thus, we can also conclude that the information
about the luminosity class of a star is mostly contained in its appar-
ent magnitude rather than its 𝐵𝐶. Thus, a main sequence 𝐵𝐶 or a
main-sequence 𝐵𝐶 − 𝑇eff relation could be used in predicting 𝐿 and
𝑅 of single stars in all luminosity classes.
We encourage researchers to calculate 𝐵𝐶 values of a sufficient

number of non-main sequence stars and calibrate empirical 𝐵𝐶−𝑇eff
relation also for giants, subgiants, and PMS in order to see the differ-
ence and to confirm the theoretically produced tabulated 𝐵𝐶s, where
the 𝐵𝐶 values usually presented as functions of luminosity class (log
𝑔) (Johnson 1966; Cox 2000) and metallicity [m/H] (Girardi et al.
2002, 2008; Masana et al. 2006; Pedersen et al. 2020) and even speed
of its rotation (Chen et al. 2019).
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Abstract: We study radio and X-ray emissions from intermediate-mass black holes (IMBHs) and explore
the unified model for accretion and ejection processes. The radio band survey of IMBH (candidate) hosted
galaxies indicates that only a small fraction (∼0.6%) of them are radio-band active. In addition, very long
baseline interferometry observations reveal parsec-scale radio emission of IMBHs, further resulting in a
lower fraction of actively ejecting objects (radio emission is produced by IMBHs other than hosts), which
is consistent with a long quiescent state in the evolution cycle of IMBHs. Most (75%, i.e., 3 out of 4 samples
according to a recent mini-survey) of the radio-emitting IMBHs are associated with radio relics and there
is also evidence of dual radio blobs from episodic ejecting phases. Taking the radio emission and the
corresponding core X-ray emission of IMBH, we confirm a universal fundamental plane relation (FMP)
of black hole activity. Furthermore, state transitions can be inferred by comparing a few cases in XRBs
and IMBHs in FMP, i.e., both radio luminosity and emission regions evolve along these state transitions.
These signatures and evidence suggest an analogy among all kinds of accretion systems which span from
stellar mass to supermassive black holes, hinting at unified accretion and ejection physics. To validate the
unified model, we explore the correlation between the scale of outflows (corresponding to ejection powers)
and the masses of central engines; it shows that the largest scale of outflows L̂Sout follows a power-law
correlation with the masses of accretors Mcore, i.e., log L̂Sout = (0.73± 0.01) log Mcore − (3.34± 0.10). In
conclusion, this work provides evidence to support the claim that the ejection (and accretion) process
behaves as scale-invariant and their power is regulated by the masses of accretors.

Keywords: accretion; jets; black holes; stellar-mass black holes; intermediate-mass black holes; supermas-
sive black holes; very long baseline interferometry

1. Introduction

Two types of astrophysical black holes, stellar-mass black holes (SBHs) and supermassive
black holes (SMBHs), are widely identified in the Universe through their observational signa-
tures. The death of massive stars will leave behind SBHs as fossil [1], which have the masses
3–100 M�. SBHs are abundant in our Galaxy as the X-ray binary systems (XRBs, which accrete
matters from a companion star). On the other hand, SMBHs (≥106 M�) are generally identified
at the center of massive galaxies (they co-evolve with bulges and hosts) [2]. Remarkably,
SMBHs have an essential role in regulating the evolution of their host galaxies, which conduce
to the correlation between SMBHs and their host properties, e.g., the correlation between the
SMBH mass and the bulge velocity dispersion (M− σ). In particular, accreting SMBHs from
active galactic nuclei (AGNs) can maintain strong feedback to the hosts. The black holes with
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masses between the stellar mass black holes and the supermassive black holes are the so-called
intermediate-mass black holes (IMBHs, 102–106 M�, see the review by [3]).

We now come to realize that the existence (or not) of IMBHs is a fundamental question;
it plays an important role in the supermassive black hole formation and evolution over the
cosmic time (see [3] and references therein). The discoveries of SMBHs with masses up to
1010 M� [4,5] in the early Universe, when the Universe was only 5% of its current age, pose
challenges to the formation of SMBHs. Mergers and accretions are the two reasonable channels
of growth to such high masses (see [3,6]). Growing up via stellar-mass seed black holes
would require extremely high accretion rates (e.g., super-Eddington accretion, Eddington ratio
λEdd = Lbol/LEdd & 1, where Lbol is the bolometric luminosity and LEdd is the Eddington
luminosity); however, this short-lived accretion state seems inefficient in affording the mass
explosion [7]. On the other hand, if growing up from the intermediate-mass seed black holes,
then the accretion process would be more effective with respect to assembling SMBHs in the
early Universe (see [3,6–8] and references therein). However, the relatively smaller mass (than
SMBHs) and greater distance (than Galactic SBHs) of IMBHs make them difficult to discover in
observations (especially those with masses 103–104 M�).

Several methods can be hired to constrain the mass of IMBH candidates, for example,
the correlation between the black hole mass and bulge velocity dispersion (e.g., [2,9,10]),
the fundamental plane of black hole activity (e.g., [11–13]), the reverberation mapping (e.g., [14,
15], modeling the light curves (e.g., [16,17]), the virial mass based on the broad Hα line [18–
21] and the inverse correlation between the black hole mass and the high-frequency quasi-
periodic oscillations [22–26]. In particular, a consistent black hole mass from multi-method
can be considered as the best-constrained value; for instance, Pasham et al. [24] estimated the
black hole mass of M82 X-1 as ∼400M�through both quasi-periodic oscillations and spectral
variability methods. The searches for IMBHs in observations, according to the formation and
evolution scenarios, are typically focused on several habitats, e.g., ultra-/hyper-luminous X-ray
sources (e.g., [22,24,25,27–29]), globular clusters (e.g., [30–33]) and dwarf galaxies (e.g., [18,34]).
Among them, dwarf galaxies with total stellar masses ranging from 107–1010 M� (e.g., [18–20,
35,36]) tend to contain active IMBHs. Moreover, dwarf galaxies and their central intermediate-
mass (typically 104–106 M�) black holes are thought to have already appeared in the early
Universe [6,37]. The dwarf galaxies which live in the present day have to evolve in isolation
(i.e., undergo a few mergers); therefore, their central black holes are still in the baby stage and
provide clues for the formation and evolution of SMBHs from the IMBH seeds [6,7].

The study of IMBHs is essential for exploring the unified accretion and ejection model
spanning from stellar to supermassive black holes [38–40]. Accretion and ejection are the two
important and universal phenomena of compact objects. The X-ray and radio emissions radi-
ated from the central engines of the stellar mass accreting X-ray binary systems are thought to
be primarily and generally from accretion disks (and coronae) and collimated jets, respectively,
which provide an observational avenue to investigate the disk and jet correlation with the
black hole mass [39]. Due to the low radio-loud fraction of low-mass AGNs with high accretion
rates (see the pilot radio survey and study by Greene et al. [41]), one draws a comparison
between the low-mass AGNs and Galactic X-ray binaries: the radio emissions in the high
accretion rate and soft X-ray (high/soft) state of XRBs are suppressed (e.g., [42]), similar to the
radio properties observed in the low-mass and high accretion rates AGNs. As a reasonable
hypothesis, the physical process in both XRBs and AGNs is similar and scale-invariant, then the
observed radio properties can be well characterized in terms of accretion states and transition.
Further evidence comes from a recent study by Yang et al. [43], who studied a sample of AGNs
with extremely high accretion rates (near or above the Eddington limit) and found an inverse
correlation between the radio loudness R and the Eddington ratio λEdd; the results indicate
that AGNs accreting at high and super-Eddington rates are predominately radio-quiet.
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The analogy between XRBs and AGNs implies a scale-invariant accretion and ejection
process among accreting black holes. This is motivated by a radio-to-X-ray correlation (i.e., the
disk–jet coupling) in the XRB systems [44]; then Merloni et al. [39] shows that the radio-to-X-ray
correlation is applicable in both XRBs and AGNs and is regulated by the black hole masses,
i.e., the fundamental plane of black hole activity. Unfortunately, the original ’fundamental
plane’ has a break between SBHs and SMBHs due to the lack of IMBH samples. Subsequent
studies, e.g., Greene et al. [41], Gültekin et al. [40] and Bariuan et al. [45] investigated the radio
properties of the low-mass RQ-AGNs using the arcsec-scale resolution Very Large Array (VLA)
observations and found that they deviate from Merloni’s fundamental plane relation. However,
our recent studies [46] show that the inconsistency between the fundamental plane and the
observations for low-mass AGNs may simply correspond to a deficit of resolution.

Radio emissions from radio-loud AGNs (RL-AGNs; defined as R > 10) are primarily
from synchrotron mechanisms, where the electrons are accelerated to relativistic energies in
jets (e.g., [47,48]). Jets can exist for a long time (up to mega years) and the physical scales
of the relativistic jets can extend from less than a parsec to megaparsec scales. Jets are the
dominating radio-emitting source in RL-AGNs; however, most AGNs are radio-quiet [49].
On the weak radio emissions of radio-quiet AGNs, several mechanisms are responsible for the
radio origin (see [50] and references therein). The possible radio emissions of RQ-AGNs include
lower power jets (e.g., [51–53]), free-free emission from photo-ionized gas in the circum-nuclear
region [54], star-forming regions (e.g., [52]), accretion disk–corona activity (e.g., [43,55–57]) and
sub-relativistic wide-angled winds (e.g., [53,58,59]). Hereinafter, we term the jets and the wind-
like ejections as outflows. Therefore, in constraining the radio emission of radio-quiet AGNs,
high-resolution (e.g., the very long baseline interferometry) radio observations are essential.

As one of the highest-resolution approaches, the very long baseline interferometry (VLBI)
method at the radio band provides the milli-arcsec scale resolutions at GHz bands. The high-
resolution VLBI observations of dwarf galaxies can reveal pc-scale radio-emitting structures of
their central engines, which can be cores, core-jets or jet-knots. Therefore, VLBI observations
can directly probe the jet powered by potentially accreting IMBHs. At present, the VLBI obser-
vations of IMBH candidates in dwarf galaxies are only limited to a few cases: NGC 4293 [13],
NGC 4395 [60], Henize 2-10 [61], NGC 404 [62], RGG 9 [63] and the four samples from the
mini-survey of IMBHs by Yang et al. [46]. The radio observation with the High Sensitivity
Array (HSA) 1.4 GHz of NGC 4395 (RX = −5, ref. [64]) reveals an elongated sub-parsec scale
structure, which was explained as a core-jet [60]; however, the recent study with European
VLBI Network (EVN) 5 GHz high-resolution observations of NGC 4395 by Yang et al. [65]
failed to detect a radio-active nucleus at the optical (Gaia) position. Alternatively, a relatively
low-resolution Very Large Array (VLA) 15 GHz observation detected the radio emission that
coincides with the Gaia position. The above observations are consistent with the scenario of
multiple radio lobes from episodic ejections. On the other hand, the EVN 5 GHz observation of
NGC 404 [62] failed to detect radio emission from its nucleus, while the large-scale (parsec-scale)
radio emission was detected with the VLA 1.4 GHz observations [66]. Furthermore, the Chandra
X-ray observation of NGC 404 indicated a steady source of log RX < −3.8 in the nucleus.

In this work, we explore the universal accretion and ejection processes spanning from
stellar mass to supermassive black holes. In particular, this work involves the largest sample
(at present) of radio-emitting IMBHs to unveil the vacuum region between SBHs and SMBHs.
Throughout this work, we adopt the standard ΛCDM cosmology with a Hubble constant
H0 = 70 km s−1 Mpc−1 and matter density and dark energy density parameters ΩΛ = 0.73,
Ωm = 0.27, respectively.
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2. The Universal Picture for Black Hole Accretion and Ejection

Both SBHs and SMBHs can maintain accretion and ejection processes, which form X-
ray binaries (XRBs) and active galactic nuclei (AGNs), respectively. The accretion discs and
associated coronae and jets in both XRBs and AGNs produce multi-band emissions, especially
at X-ray and radio bands. Though with different environments and size scales, observations
and theoretical studies reveal similar accretion and ejection behaviors, e.g., the evolution
of accretion flows, the structures of accretion discs and the features of the ejection process.
In individual sources, the accretion and ejection processes evolve as the fluctuation of accretion
rates in terms of Eddington ratios (see [67,68]).

On the activity of SBHs, monitoring and simultaneous observations at radio and X-ray
bands reveal a clear evolution cycle among them. They can be well characterized as several
accretion and ejection states through X-ray and radio properties [69]. The X-ray emissions
in accreting systems are thought to be primarily and generally from the accretion disk and
corona system (and jets as well), while radio emissions are thought to be dominated by
jets. The association between X-ray and radio properties in X-ray binary indicates a strong
coupling between accretion discs and jets [67]. The jet–disk coupling in X-ray binaries can
be observed with convenient time scales (months to years), which is long expected to be a
common feature in both stellar mass and supermassive black holes. Furthermore, observations
of X-ray binaries show that the accretion flow and jet production is correlated with the accretion
rate/Eddington ratio. The fluctuations of the accretion rate will essentially trigger the accretion
state transition [70].

Based on the monitoring observations of X-ray binaries, we now have a picture of state
transition and evolution: (a) the accretion with a low Eddington ratio (typically below a
few percent of the Eddington luminosity) is characterized by a ‘low/hard’ X-ray state; it is
associated with compact radio emission and identified to be steady and short jets; (b) with the
increase of accretion rates, the X-ray spectrum becomes dominated by the soft emission and
the radio emission dramatically drops to an undetectable level. The Eddington ratio of the
soft state is substantially close to the Eddington limit; (c) the transition from the ‘low/hard’
state to the ‘soft state’ is generally associated with an unstable ‘very high state’, where the
Eddington ratio will be up to and over one, i.e., near- and super-Eddington rates. Episodic
jet blobs can be triggered as the X-ray binaries in the ‘very high state’, while mechanisms are
relatively unclear due to the short duration. The steady jets in quiescent and low/hard state
are generally believed to be launched by extracting the energy of either an accretion disk (the
‘BP’ jets, [71]) or the spin of the central compact object (the ‘BZ’ jets, [72]), while episodic jets
are alternatively explained by other models (e.g., the instability of accretion disks [73]).

Several works indicate that the accretion in the transition state can be described as a ‘slim
disk’ [74], which supports the near and moderately super-Eddington accretion. As the super-
Eddington accretion has an essential role in ultraluminous X-ray sources and high redshift
quasars, the transition state is also named an ‘ultraluminous state’ [75]. Due to the bright
episodic jet eruption (which is brighter than steady jets), the radio emissions observed in
IMBHs and low-luminosity AGNs likely correspond to the ejecta of the ‘ultraluminous state’.
However, the understanding of the accretion and ejection properties in the ‘ultraluminous state’
is limited to only a few XRBs, e.g., Cygnus X-3, GRS 1915 + 105 and SS 433.

It was theoretically studied that the accretion flow in supermassive black holes in active
galactic nuclei resembles the stellar mass black holes in X-ray binary systems. Therefore, the
two systems, even though they have a mass range of 10 dexes, should share the same correla-
tions. Indeed, there are several correlations that work in both stellar mass and supermassive
black holes (e.g., [39,43,76]). The universal correlations among the diverse accretion systems
indicate a similar physics in accretion, that naturally induces the scale-invariant accretion
and ejection phenomena in both radio and X-ray. Historically, there are several correlations
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that are successful in unifying XRBs and AGNs: (1) the most applicable correlation among
X-ray luminosity, radio luminosity and black hole mass was named the fundamental plane
of black hole activity [39,77]. The fundamental plane correlation was initially identified in
X-ray binaries when their accretion state is in the low/hard state, where the accretion is in
low and moderate rates. As the accretion transits to the ‘high/soft’ state, the radio emission
(thus the jet) dramatically drops while the X-ray emission remains in a high luminosity, which
deviates from the fundamental plane relation. The similarity between XRBs and AGNs not only
indicated that both of them satisfy the fundamental plane relation of black hole activity but
also the similar radio quenching as the increase of accretion rates. At present, the fundamental
plane relation has a clear gap between the stellar mass and supermassive black holes. Filling
the gap would build a more fundamental and comprehensive understanding of the accretion
systems; therefore, IMBHs are the key to linking the stellar mass and supermassive black holes
in the fundamental plane relation. The fundamental plane relation is important as it links
both accretion and ejection processes and is applicable based on X-ray and radio surveys; (2)
because the fundamental plane relation of black hole activity only works well in the low/hard
state, a universal correlation developed, i.e., the inverse correlation between the radio loudness
and the Eddington ratio [43,78–80]. The inverse correlation indicates the suppression of the
jet producing as the increase of Eddington ratios, which is applicable for the radio emission
produced in the high and super-Eddington XRBs and AGNs; (3) the correlation among the
bolometric luminosity, black hole mass and the characteristic timescales of X-ray variabil-
ity [81]; (4) the hardness–intensity diagram (HID, [82]) and the accretion rate ratio–intensity
diagram (ARRID, [83,84]) for individual XRB and the statistical version, the disk-fraction
luminosity diagrams [76,82]; (5) the inverse correlation between QPO frequencies and black
hole masses [22,25,85]. However, evidence is still lacking that the above correlations are appli-
cable for all accreting systems, i.e., these correlations need to be explored in the mass scale of
103–105 M�.

3. Radio Activities of IMBHs

Given that dwarf galaxies tend to host low-mass AGNs (or IMBHs), Reines et al. [86]
conducted a radio census of 111 FIRST detected dwarf galaxies (the stellar mass range from
3× 107 to 3× 109 M�). Among them, only 13 were identified to be powered by AGNs, through
radio diagnoses, e.g., the compact point-like morphologies and the excess radio emissions
compared with those afforded by star-forming activities. This yields an AGN rate of 11%
in radio-active dwarf galaxies. Only one of these 13 was cross identified in optical bands
and therefore it results in 0.9% AGN fraction in dwarf galaxies simultaneously. However,
the fraction may not imply a physical distribution due to the sample selection effect and the
incompleteness of the sample.

Alternatively, we [46] compiled a sample of 598 IMBH candidates which were uniformly
selected from the Sloan Digital Sky Survey (SDSS, [18–21,35]). Through cross-matching with the
NRAO VLA Sky Survey (NVSS, [87]) and Faint Images of the Radio Sky at Twenty centimeters
(FIRST, [88]) catalogs within 1 arcsec of their optical positions, Yang et al. [46] found that 36
sources (6%) have radio counterparts (with signal-to-noise ratios >9) in the FIRST survey.
Furthermore, we selected four IMBH candidates (0.6%) for VLBI observations with the further
criteria: (1) the estimated black hole mass should be <106M�, (2) the 1.4 GHz radio flux density
of the FIRST survey is >2 mJy, which yields a signal-to-noise ratio of >12, and (3) objects
associated with the point X-ray emissions. Yang et al. [46] successfully detected parsec-scale
radio emissions in these four candidates and confirmed that the IMBH candidates are radio-
active, i.e., they maintain ejection processes. In Table 1, we summarize the IMBH candidates
with both radio and X-ray observations.
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Comparing the optical and radio emission regions of these IMBH candidates, most of the
radio-active IMBHs have radio emission regions offset from the optical nuclei. This indicates
that the radio emissions in these cases are more likely relics of ejecta than radio-active nuclei.
Given the small fraction of radio-active IMBHs and the lesser rate of actively ejecting ones of
them, it satisfies the scenario of episodic ejections and a long evolution cycle from a quiescent
state to a very high state. The episodic ejection nature in IMBHs has been further identified in
a few other candidates with multiple radio-emitting blobs, e.g., NGC 4293 [13], NGC 4395 [65]
and RGG9 [63].

In X-ray binaries, an episodic ejection is produced when accretion is in a very high/inter
-mediate state [69]. Interestingly, an episodic ejection was already observed in the IMBH
candidate HLX-1 when it was in a high X-ray state [28]. Based on the unification model of
accretion [81], AGNs should also have specific accretion states and relevant state transitions
as what is universally observed in Galactic XRBs [69]. Naturally, accretion states should also
be expected in IMBHs and they should evolve much faster than in AGNs (as the timescale is
proportional to black hole masses, e.g., [76]).

Table 1. IMBH candidates with both radio and X-ray observations.

Name log M log LR,VLBI log LR,VLA log LX
(SDSS or Alias) (M�) (erg s−1) (erg s−1) (erg s−1)

J024656.39 − 003304.8 5.7 † <36.34 α 39.8± 0.6 a

J090613.76 + 561015.1 5.6 † 38.04± 0.03 δ 38.66± 0.02 α 40.1± 0.4 a

J095418.15 + 471725.1 4.9 † 36.73± 0.06 α 40.1± 0.4 a

J144012.70 + 024743.5 5.2 † 37.83± 0.01 α 39.8± 0.6 a

J152637.36 + 065941.6 5.5 † 36.68± 0.10 α 41.84± 0.04 a

J160531.84 + 174826.1 5.2 † <35.99 α 41.29± 0.08 a

J082443.28 + 295923.5 5.6 ‡ 36.77± 0.08 β 38.00± 0.03 β 42.4 b

J110501.98 + 594103.5 5.5 ‡ 37.84± 0.03 β 38.10± 0.04 β 42.1 b

J131659.37 + 035319.9 5.8 ‡ 37.80± 0.05 β 38.26± 0.08 β 41.7 b

J132428.24 + 044629.6 5.7 ‡ 37.09± 0.06 β 37.46± 0.06 β 41.7 b

J122112.82 + 182257.7 5.53 • <35.46 γ 36.18± 0.04 γ 39.69 c

J111552.01 − 000436.1 5.05 • <36.52 ε 38.73± 0.03 ε 40.6 d

NGC 404 5.74 ? <33.30 θ 34.58 ζ 37.14 e

NGC 4395 3.95 ◦ 33.67 ι 34.10 η 40.0 f

†: Reines et al. [21]; ‡: Greene and Ho [19]; •: Chilingarian et al. [36]; ?: Davis et al. [89]; ◦: Woo et al. [15]; a: Baldassare
et al. [90]; b: Gültekin et al. [40]; c: Soria et al. [91]; d: Chilingarian et al. [36]; e: Paragi et al. [62]; f : Moran et al. [92]; α:
Gültekin et al. [93]; β: Yang et al. [46]; γ: Yang et al. [13]; δ: Yang et al. [63]; ε: this work; ζ: Nyland et al. [66]; η: Saikia
et al. [94]; θ: Paragi et al. [62]; ι: Yang et al. [65]. Note that a few sources have only VLA observations, i.e., VLBI
luminosity is not available.

4. The Black Hole Fundamental Plane of Involving IMBHs

Accretion onto compact objects follows the so-called fundamental plane relation (FMP)
of black hole activity, which is among nuclear radio and X-ray luminosities and black hole
masses of any accretion systems. The fundamental plane relation originates from jet–disk
coupling, where the jet produces radio emission and the accretion disk and corona system
produce X-ray emission and the mass of the central engine regulates both the accretion and
ejection power. The correlation between radio and X-ray luminosity was initially inferred from
X-ray binary systems that host stellar mass black holes, which only work in quiescent and
low/hard accretion states that are associated with steady ejections [39,44].

In addition, the very high/intermediate state will substantially trigger episodic radio
ejection, then subsequently the radio emission will dramatically decrease as the accretion state
evolves from the very high state to the soft state. Similarly, we expect that the radio power of
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blobs may also be correlated with the X-ray luminosity. Indeed, several works (e.g., [39,44])
explored the radio-to-X-ray correlation in transient (very high) states, in X-ray binaries; the
results indicate that the correlation may still be maintained but with high dispersion. It was
already known that the fundamental plane of black hole activity can be contaminated by
several mechanisms, e.g., the enhancement of the radio emission of lobes (i.e., the shock
waves) when propagating through a dense medium [13,95]; the radio contamination by AGN
hosts; the relativistic beaming effect of jets; the X-ray contamination by the jet [96]. Therefore,
the fundamental plane relation works in both low/hard and very high/intermediate states.
The fundamental plane of black hole activity presented by Merloni et al. [39] is

log LR = (0.60+0.11
−0.11) log LX + (0.78+0.11

−0.09) log MBH + 7.33+4.05
−4.07. (1)

There are also recent updates, e.g., Saikia et al. [94]

log LR = (0.48± 0.04) log LX + (0.79± 0.03) log MBH + 11.71, (2)

and Gültekin et al. [97]

log
(

MBH

108 M�

)
= (1.09± 0.10) log

(
LR

1038 erg s−1

)
+

(
−0.59+0.16

−0.15

)
log

(
LX

1040 erg s−1

)
+ (0.55± 0.22). (3)

Here we only explore the fundamental plane from Merloni et al. [39] based on the scope of this
work, i.e., the radio emission of AGNs (especially low luminosity and low-mass AGNs) should
be obtained from the parsec-scale region and the comparison sample used in this work is from
the same work [39].

The fundamental plane of black hole activity indicates a scale-free accretion and ejection
physics in both SBHs and AGNs. Recently, Yang et al. [46] explored the fundamental plane
relation in a sample of IMBH candidates with pc-scale radio emissions obtained from VLBI
observations; which implies that IMBHs follow the fundamental plane of black hole activity.
In Figure 1, we use the IMBH sample from Yang et al. [46] and Yang et al. [13]. There is
one more IMBH candidate (J111552.01 − 000436.1) from the same observation of Yang et al.
[46] but it was not detected; here, we take its upper limit. Furthermore, we involve a few
IMBH candidates from the literature (see comments in Table 1). In particular, we only use
the radio emission from VLBI observations (see Table 1) to reduce the contamination from
hosts. However, it is hard to determine whether to take the radio emissions from lobes or core
regions. Neither the radio emission from lobes nor core regions indicate the power of ejection
by considering that the lobe may receive enhancement by circumnuclear medium and beaming
effect and the effect of episodic ejection and state transition. To reduce the deficit (see Figure 2),
we use the radio emissions close to the core region, which are accompanied by the core X-ray
emissions. Specifically, we use the radio emission from the core region of NGC 4293 as the lobes
of this source received a strong enhancement by circumnuclear medium (see [13]). The linear
distribution trend presented in Figure 1 indicates that the accretion and ejection processes
in IMBHs are similar to those in SBHs and SMBHs, i.e., there exists a unified model for the
accretion and ejection process for SBHs, IMBHs and SMBHs. Obviously, involving IMBHs in
the fundamental plane fills the gap between the stellar mass and supermassive black holes,
i.e., low luminosity AGNs (powered by supermassive black holes) extend to the lower-left in
the fundamental plane relation and approximately overlap with the highly accreting IMBHs
and low-rate accreting IMBHs touch the most luminous stellar-mass black holes.
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Figure 1. The fundamental plane relation of black hole activity with the parsec scale radio luminosity of
IMBH candidates. The XRBs, data for Sgr A∗ and GRS 1915 + 105 and AGNs are from Merloni et al. [39]
and the IMBH candidates are from Yang et al. [46] and Yang et al. [13].

Figure 2. The fundamental plane relation of black hole activity with the kpc scale radio luminosity of
IMBH candidates. The radio luminosity from the kpc scale is clearly overestimated with regard to the
fundamental plane.

We will emphasize that the fundamental plane relation is devoted to depicting the corre-
lation between the radio and X-ray luminosity in the ejection phase (excepting the canonical
‘soft state’), which is relatively difficult for IMBHs and low-mass AGNs. Radio observations
of these sources are generally limited to the radio emissions produced from very high states
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because the radio emissions in quiescent and low/hard states are likely dominated by the
compact and steady jet, which is weaker than the episodic radio blobs in very high states.
However, we do not track the evolution of each radio blob, but the radio luminosity of the
instance ejection and associated X-ray luminosity. Again, low-resolution radio observations
may collect the radio emissions from multiple blobs of one or more evolution cycles, which will
obviously overestimate the radio emission from one single blob. Due to the long timescale of
the evolution cycle, it is generally impossible to record the radio and X-ray emission in the very
high state of individual IMBH. Fortunately, the radio blobs in IMBHs and low-mass AGNs
will live for a sufficiently longer time than in XRBs and move to a distance from parsec to
kilo-parsec scales. Therefore, it is applicable to take the radio emission from a recent blob along
with the core X-ray emission.

In Figure 1, we also involve pc and sub-pc-scale radio constraints of two IMBH candidates,
NGC 4395 and NGC 404, having low accretion rates. They have the Eddington ratios of
λEdd = 1.5× 10−6 [62] and 1.2× 10−3 [60], respectively. In this plot, the radio luminosity
of NGC 404 was taken from the nuclear 7 parsec scale region through VLA A-array 5 GHz
observation [66] and we estimated the 5 GHz radio luminosity of NGC 4395 via VLA A-array
15 GHz observation [94], from the nuclear 4 parsec scale region. Both the radio luminosities
of the above two sources are obtained from the parsec-scale region, which is comparable
to the VLBI observations of the other IMBHs presented in this plot due to the low redshift
of NGC 4395 and NGC 404. Furthermore, both NGC 4395 and NGC 404 received the new
measurements of black hole masses; see Woo et al. [15] and Davis et al. [89], respectively. In
particular, we take the X-ray luminosity of NGC 404 from Chandra observation [62]. It should
be noted here that the two sources have radio emission at parsec scales, but VLBI observations
only reveal the upper limit of them. Interestingly, a sample of low luminosity AGNs has
a similar radio drop from parsec to sub-parsec scales [98]. Certainly, the non-detection of
sub-parsec scale radio emissions in a few low accretion rate AGNs [98] and IMBHs (NGC 4395
and NGC 404) challenges the (Merloni) fundamental plane and deeper VLBI observations
are required to unveil the nature of these central engines. Taking the unified scheme for the
accretion and ejection process, it was already shown that the episodic radio ejection and the
high Eddington ratios in a few IMBHs [13,43,46,63,65] draw a similarity with the canonical
very high/intermediate state in XRBs. On the other hand, the low Eddington ratios in a few low
luminosity AGNs [98] and IMBHs (NGC 4395 and NGC 404) alternatively indicate quiescent
or low/hard accretion states. Studying XRBs shows that radio emissions will drop with the
transition from a very high/intermediate state to a soft state and comparing between a very
high state and a quiescent state [99]. In Figure 1, we mark the monitoring observations of
the microquasar GRS 1915 + 105 to illustrate the similarity and it is likely consistent with the
observational signatures in NGC 4395 and NGC 404.

5. The Correlation between the Size Scale of Outflows and the Masses of Accretors

Several critical factors regarding the size scales of outflows include the power of the
central engine and the external environment. Given that external environments vary in each
object, the largest scale of outflows should be only related to the power or type of the central
engines/accretors for ejecting objects with similar ages, statistically. Again, the distribution
of ejecting ages directly results in the positive distribution of outflow sizes and the largest
outflow size tends to be associated with the older (over a critical age) ones of them. Naturally,
the largest size scale of outflow-dominated feedback relies on the power of the central engine,
hence the mass of the central engine according to the unified accretion and ejection process.
Therefore, a positive correlation between the largest (linear size) scale of outflows L̂Sout and
the masses of accretors Mcore should be expected.
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Now we try to explore the Mcore − LSout correlation among a sample of accretors with
masses ranging from 10−2 to 1010 M� (the data will be presented in a forthcoming paper, Yang
[100], along with additional samples). This sample includes young stellar objects (YSOs), X-ray
binary systems (XRBs), intermediate-mass black holes (IMBHs), normal radio galaxies (RGs)
and giant radio galaxies (GRGs). Obviously, the L̂Sout −Mcore correlation can be identified by
inspecting the upper envelope of jet sizes (the line ‘best fit −1’ in Figure 3). However, jets can
further extend to form relics and bubbles; on the largest scale of outflows, the jet relics in GRGs
and a few YSOs and XRBs may represent the largest structures of the ejected plasma (fossil
plasma); in addition, the shocks driven by outflows tend to form a more elongated structure
(i.e., shock-inflated bubbles) than fossil plasma (see [100]). Interestingly, the jet relics in GRGs
and a few YSOs and XRBs follow the trend identified in (active) jets, which ensures we fit
a linear correlation between the size of jet relics and the masses of accretors and gives the
following parameters,

log L̂Sout = (0.73± 0.01) log Mcore − (3.34± 0.10), (4)

where L̂Sout is in kpc and Mcore is in solar mass.
The distribution between the linear size of outflows and the masses of accretors is pre-

sented in Figure 3. We further extend the linear correlation by −1 and 2 dex, which likely links
the largest size scale of active jets and shock-inflated bubbles, respectively. This implies that
the shock-inflated bubbles can reach a 3-dex longer extension than the active jets. Accordingly,
a hypothesis is that the jets in IMBH may provide a few hundred kilo-parsec scale feedback,
which is beyond the size of their dwarf hosts. Again, based on the size of the shock-inflated
bubbles in XRBs, jets produced by XRBs will drive shocks to further blow bubbles of 2-dex
larger than the jet relics. If this scaling relation holds for both IMBHs and SMBHs, then we
expect to find shock-inflated bubbles of 10–100 kpc and 100 Mpc scale in IMBHs and the most
massive SMBHs, respectively. Furthermore, LSout −Mcore correlation lacks the data of jet relics
in the IMBH mass scale, which requires further exploration in observation. Again, a theoretical
deduction is required as well (see a forthcoming paper, Yang [100]).

Figure 3. The linear size of outflow distribution along the masses of accretors.



Galaxies 2023, 1, 0 11 of 16

The kinetic power is the key parameter to drive jet expansion, which is thought to be
correlated with the black hole spin and mass [71,72,101] and the structure of the accretion
disk [73,102,103]. The correlation between the jet kinetic power and black hole masses is
indicated in several statistical analyses (e.g., [104–106]), while the observational correlation
between the jet power and black hole spin is still a mystery (e.g., [107]). Except for the kinetic
power, the size scale of an outflow in an individual object may be regulated by ages [95],
inclination angle and interplay between jets and surrounding media [108]. These parameters
insert dispersion in the LSout distribution along the mass of accretors (see, e.g., [101]). However,
the largest size scale of outflow (the upper envelope in LSout −Mcore distribution) is likely
free from those parameters due to the selection effect, i.e., the largest scale of outflow tends
to be associated with the longest-lasting and the highest spin central engines. Again, a low
frustration from the surrounding media is an assistance to allow the jet expansion further.
Therefore, the correlation between the size scale of outflows and the masses of accretors can be
considered to be intrinsic.
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Abbreviations
The following abbreviations are used in this manuscript:

AGNs Active Galactic Nuclei
IMBHs Intermediate-mass black holes
SBHs Stellar-mass black holes
SMBHs Supermassive black holes
XRBs X-ray binaries
YSOs Young Stellar Objects
GRGs Giant Radio Galaxies
RQ-AGNs Radio-quiet AGNs
RL-AGNs Radio-loud AGNs
VLBI Very Long Baseline Interferometry
VLBA the Very Long Baseline Array
VLA the Very Large Array
EVN the European VLBI Network
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ABSTRACT

We present radio very long baseline interferometry (VLBI) and X-ray studies of the starburst galaxy

NGC 3628. The VLBI observation at 1.5 GHz reveals seven compact (0.7−7 parsec) radio sources

in the central ∼250 parsec region of NGC 3628. Based on their morphology, high radio brightness

temperatures (105 − 107 K), and steep radio spectra, none of these seven sources can be associated

with active galactic nuclei (AGNs); instead, they can be identified as supernova remnants (SNRs), with

three of them appearing consistent with partial shells. Notably, one of them (W2) is likely a nascent

radio supernova and appears to be consistent with the star formation rate of NGC 3628 when assuming

a canonical initial mass function. The VLBI observation provides the first precise measurement of the

diameter of the radio sources in NGC 3628, which allow us to fit a well-constrained radio surface

brightness - diameter (Σ−D) correlation by including the detected SNRs. Furthermore, future VLBI

observations can be conducted to measure the expansion velocity of the detected SNRs. In addition

to our radio VLBI study, we analyze Chandra and XMM-Newton spectra of NGC 3628. The spectral

fitting indicates that the SNR activities could well account for the observed X-ray emissions. Along

with the Chandra X-ray image, it further reveals that the X-ray emission is likely maintained by

the galactic-scale outflow triggered by SN activities. These results provide strong evidence that SN-

triggered activities play a critical role in generating both radio and X-ray emissions in NGC 3628 and

further suggest that NGC 3628 is in an early stage of starbursts.

Keywords: Starburst galaxies (1570) — Supernova remnants (1667) — Very long baseline interferom-

etry (1769) — Radio sources (1358) — X-ray sources (1822)

1. INTRODUCTION

Galaxies with enhanced star formation compared with

normal spiral galaxies, especially in the central nuclear

region, are known as starburst galaxies (Lehnert &

Heckman 1996). They have star formation rates (SFRs)

several to hundreds of times higher than ordinary galax-

ies like the Milky Way. Studying nearby starburst galax-

ies may shed light on our understanding of the evolution

Corresponding author: Xiaolong Yang; Ziwei Ou

yangxl@shao.ac.cn; ouzw3@mail.sysu.edu.cn

of their high redshift cousin in the early Universe (e.g.

Rinaldi et al. 2022).

Starburst is an important episode in galaxy evolu-

tion (Hopkins et al. 2006; Zhang et al. 2018); it lasts

up to a few hundred million years (e.g. McQuinn et al.

2018). Simulations and observations indicate that the

starburst activity can be triggered by mergers or close

flybys between two galaxies (Mihos & Hernquist 1996;

Schweizer 2005; Di Matteo et al. 2007; Montuori et al.

2010). These interactions push the gas inflow toward

the center of galaxies, where it reaches sufficient den-

sity to cause large numbers of massive stars to form

(Combes 2000). In addition, the birth (stellar feedback)

and death (supernova explosion) of massive stars can
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generate shocks to compress the gas and further enhance

the star formation (McCray & Kafatos 1987; Shetty &

Ostriker 2008; Fall et al. 2010; Skinner & Ostriker 2015).

However, the interplay between a galactic scale outflow

and the gas inflow and compression will regulate, slow

down and eventually brake the intense star-forming pro-

cess (Chevalier & Clegg 1985; Tomisaka & Ikeuchi 1988;

Heckman et al. 1990; Cooper et al. 2008).

Star-forming galaxies typically host rich populations

of ultradense (UD) H ii regions (Kobulnicky & Johnson

1999; Johnson et al. 2001) where massive stars are born.

On the other hand, the large population of massive stars

will rapidly evolve and end their lifetime with super-

nova explosions (supernovae, SNe) and form supernova

remnants (SNRs) (Engelbracht et al. 1998). These UD

H ii regions are probes of recent star formation, while

SNe and SNRs are vital tracers of star formation his-

tory and are responsible for the galactic scale feedback.

The central regions of the majority of starbursts are ob-

scured optically. However, radio emissions, which are

unaffected by extinction, allow the central regions of

these galaxies to be probed. The radio emissions in-

clude both non-thermal (synchrotron) emission, arising

from the acceleration of particles to relativistic speeds in

SNe and SNRs, and thermal free-free emission from UD

H ii regions (Condon 1992). Furthermore, X-ray binaries

(XRBs) and active galactic nuclei (AGNs) may also re-

side in star-forming galaxies, especially, AGNs can pro-

duce both thermal (Gallimore et al. 2004; Laor & Behar

2008; Raginski & Laor 2016; Inoue & Doi 2018; Baskin &

Laor 2021; Yang et al. 2022a) and non-thermal (Zakam-

ska & Greene 2014; Nims et al. 2015; Yang et al. 2020,

2022b,c) radio emissions; they may also contribute sig-

nificant radio emissions in starburst galaxies (e.g. Gal-

limore et al. 2004; Middelberg et al. 2007).

High-resolution very long baseline interferometry

(VLBI) observations can resolve (constrain the size of)

individual UD H ii region, SN, and SNR in nearby star-

forming galaxies. The great success of using VLBI

on this subject focuses on several nearby star-forming

galaxies, e.g. M82 (Pedlar et al. 1999; Beswick et al.

2006; Fenech et al. 2010), Arp 220 (Rovilos et al. 2005;

Lonsdale et al. 2006; Parra et al. 2007; Batejat et al.

2011), Arp 299 (Neff et al. 2004; Ulvestad 2009; Bondi

et al. 2012), NGC 253 (Rampadarath et al. 2014) and

NGC 4945 (Lenc & Tingay 2009). Observations of these

objects may help us to understand the environment of

starburst cores (Batejat et al. 2011), since the evolu-

tion of SNe and SNRs is regulated by dense interstellar

medium (ISM). Furthermore, SNe and SNRs are likely

responsible for the origin of the well-known FIR-radio

correlation and the galactic scale outflow, and the VLBI

observations of these sources may provide useful inputs

for models. Especially, with VLBI monitoring observa-

tions, it is possible to track the evolution of individual

SN and SNR, and alert nascent SNe (Marcaide et al.

1995, 2009; Varenius et al. 2019). In this work, we will

visit the starburst galaxy NGC 3628.

NGC 3628 is a nearby (D = 10.6 Mpc or z = 0.0028,

Gerke et al. 2015), edge-on Sbc galaxy (Carral et al.

1990). The source is also a member of the interact-

ing group the Leo Triplet, together with the other two

galaxies NGC 3623 and NGC 3627. NGC 3628 is a

sub-LIRG (sub-luminous infrared galaxy, 1010L� <=

LIR < 1011L�) with infrared luminosity LIR = 1.7 ±
0.4 × 1010L� (Falstad et al. 2021). In particular, no

evidence of an obscured AGN was found in NGC 3628

(Falstad et al. 2021). The high infrared luminosity of

NGC 3628 is interpreted as evidence of intense star for-

mation. In addition, NGC 3628 satisfies the well-known

FIR-radio correlation for star-forming galaxies, indicat-

ing that the central engine is dominated by star forma-

tion. NGC 3628 maintains wide-scale outflows, includ-

ing a sub-kpc scale molecular gas outflow (Irwin & Sofue

1996; Tsai et al. 2012; Cicone et al. 2014; Roy et al. 2016)

and kpc-scale ionized gas outflows (Sharp & Bland-

Hawthorn 2010; Hermosa Muñoz et al. 2022). Again,

X-ray observations with high enough resolution reveal

a soft X-ray halo in the central region of NGC 3628

(Strickland et al. 2002, 2004; Tsai et al. 2012), which

mimics a warm gas outflow. Through high-resolution

radio observations (Carral et al. 1990; Cole et al. 1998,

VLA A-array 15 GHz and MERLIN 1.4 GHz, respec-

tively), a list of compact radio sources were identified

as star-forming products. Therefore, combining radio

and X-ray observations may help to confirm the nature

of star forming galaxies (Wik et al. 2014; Pannuti et al.

2015). Unfortunately, previous radio observations were

unable to resolve the central radio sources, so a higher

resolution is necessary to determine their sizes and struc-

tures.

This work present VLBI 1.5 GHz observational studies

of the starburst galaxy NGC 3628, and this observation

was to search for the potential low luminosity AGN in

NGC 3628, probe the nuclear radio sources and con-

strain their sizes. The archival X-ray data of NGC 3628

are also analyzed to ensure a better understanding of the

central engine of the galaxy NGC 3628. In Section 2, we

present observation and data reduction. We present the

data reduction results in Section 3. In Section 4, we

discuss the identification of the radio sources detected

by VLBI, the model-fits of X-ray spectra, and the ex-

planation of the X-ray and radio emissions. Finally, in

Section 5, we give our conclusions. Throughout this
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work, we assume a distance of 10.6 Mpc to NGC 3628,

which yields a size scale of 0.051 pc mas−1, and take the

standard ΛCDM cosmology with ΩΛ = 0.71, Ωm = 0.27

and Tcmb = 2.732 K.

2. OBSERVATION AND DATA REDUCTION

2.1. VLBA

We observed NGC 3628 on 2021 July 13 with eight

VLBA antennas at L-band (1.545 GHz, hereafter us-

ing 1.5 GHz for short, the project code BA146). The

total observation time is 2 hr with a data record-

ing rate of 2 Gbps. The observation was performed

in phase-referencing mode, using J1118+1234 (α =

11h18m57s.301434, δ = +12◦34′41′′.71798, J2000, i.e.

1.06◦ to the target) as the phase reference calibrator.

The VLBA data calibration was performed in the As-

tronomical Image Processing System (aips), a software

package that was developed by the National Radio As-

tronomy Observatory (NRAO) of USA (Greisen 2003),

following the standard procedure. A priori amplitude

calibration was performed using the system tempera-

tures and antenna gain curves provided by each sta-

tion. The Earth orientation parameters were obtained

and calibrated using the measurements from the US

Naval Observatory database, and the ionospheric dis-

persive delays were corrected from a map of the to-

tal electron content provided by the Crustal Dynam-

ics Data Information System (CDDIS) of NASA 1. The

opacity and parallactic angles were also corrected us-

ing the auxiliary files attached to the data. The delay

in the visibility phase was solved using the phase refer-

ence calibrator J1118+1234. A global fringe-fitting on

the phase-referencing calibrator was performed by tak-

ing the calibrator’s model to solve miscellaneous phase

delays of the target. The calibrated data of the tar-

get was then exported to difmap (Shepherd 1997) for

self-calibration and model-fit. Especially, we first per-

formed a uv-tapper in difmap by 0.1 at 5 Mλ to con-

struct a low-resolution image, where a two-dimensional

Gaussian model-fit was used. Only sources with signal-

to-noise ratios above 5 were fitted. The middle panel

of Figure 1 shows the uv-tapered image of NGC 3628.

Next, the full-resolution image of each Gaussian com-

ponent was established with clean in difmap, and we

especially consult the positions of components W1 and

E2 from the Gaussian models. No self-calibration was

applied to the target source due to the low signal-to-

noise ratios. The full-resolution images for each source

were created using natural weights; see subset images

1 https://cddis.nasa.gov

in Figure 1. Based on a well-established understand-

ing of their nature, a model fit using an optically thin

sphere was conducted to determine the sizes and flux

densities of these radio sources (see Section 4.2). Fur-

thermore, we obtain VLA B-array 1.4 GHz image from

the FIRST survey (the Faint Images of the Radio Sky

at Twenty-centimeters, Becker et al. 1995) 2 and VLA

D-array 1.5 GHz (observed on 1988-03-25, the project

ID. AS300 and PI: G. Siemieniec) and A-array 4.86 GHz

(observed on 1984-12-10, the project ID. AW122 and

PI: A.E. Wehrle, Wehrle 1987) images from the NRAO

Archive 3, see the contours in Figure 2.

We estimate uncertainties in coordinates by account-

ing for three main origins: (1) Positional uncertainties of

phase-referencing calibrators. In phase-referencing ob-

servations, the coordinates of the target are referenced

by a closed calibrator. The calibrator J1118+1234 was

elected from the catalog rfc 2022a in Astrogeo 4 with

precise position with accuracies ∆α = 0.10 mas in right

ascension and ∆δ = 0.10 mas in declination; (2) Astro-

metric accuracy of phase-referenced observations. Pri-

marily concerning the station coordinate, Earth orien-

tation, and troposphere parameter uncertainties, which

can be measured through the formula and parameters

from Pradel et al. (2006). This portion contributes po-

sition errors: ∆α ≈ 0.26 mas and ∆δ ≈ 0.50 mas in

this VLBA 1.5 GHz observation; (3) Thermal error due

to the random noise (e.g. Rioja et al. 2017). This un-

certainty can be characterized as σt ∼ θB/(2 × σSNR),

where θB is the full-width at half maximum of the restor-

ing beam and σSNR is the signal-to-noise ratio. In

this work, we measure the thermal error via a Gaus-

sian model-fit in difmap. In Table 1, we list the co-

ordinates along with the estimated uncertainties of the

coordinates for each VLBI source.

We estimate flux density uncertainties following the

instructions described by Fomalont (1999). In this work,

the integrated flux densities Si were extracted from the

Gaussian model-fit in difmap with the task modelfit,

where a standard deviation in the model-fit was esti-

mated for each source and considered as the fitting noise

error. Additionally, we assign the standard 5% errors

originating from amplitude calibration of VLBA (see

VLBA Observational Status Summary 2021A 5).

2 http://sundog.stsci.edu/
3 https://data.nrao.edu/
4 http://astrogeo.org/
5 https://science.nrao.edu/facilities/vlba/docs/manuals/
oss2021A

https://cddis.nasa.gov
http://sundog.stsci.edu/
https://data.nrao.edu/
http://astrogeo.org/
https://science.nrao.edu/facilities/vlba/docs/manuals/oss2021A
https://science.nrao.edu/facilities/vlba/docs/manuals/oss2021A
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Figure 1. VLBA 1.5 GHz images of NGC 3628. The middle panel: the uv-tapered images of NGC 3628; Upper and lower
panels: the full resolution images of each source presented in the middle panel, where the grey ellipses in the bottom left corner
of each panel represent the full width at half-maximum (FWHM) of the restoring beam, they are all the same, i.e. 11.2× 4.47
at −0.63◦. The contours are at 3σ× (−1, 1, 1.41, 2, 2.83, ...), where 1σ noises are 0.1 and 0.03 mJy beam−1 for the full resolution
and uv-tapered contours, respectively. The black and red/white circles in each upper and lower panel indicate the component
size obtained via Gaussian and spherical model-fits, respectively.

2.2. X-ray

NGC 3628 was observed by Chandra ACIS-S on De-

cember 2, 2000 (ObsID: 2039, PI: David K. Strickland;

Strickland et al. 2001) with FAINT mode and a total

exposure time of 57.96 ks. We retrieved the data from

the Chandra data archive, performed data reduction,

and constructed the X-ray spectrum with the Chan-

dra Interactive Analysis of Observations software pack-

age (ciao, Fruscione et al. 2006) 6 version 4.13. The

data was initially reprocessed according to the Chandra

6 https://cxc.cfa.harvard.edu/ciao/

https://cxc.cfa.harvard.edu/ciao/
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Figure 2. A zooming-in to the central starburst region of NGC 3628. (a) the y, i, g-band color-composite image from
Pan-STARRS DR1 (PS1) is overlaid by the VLA D-array 1.5 GHz contours; (b) the FIRST 1.4 GHz contours overlay on the
0.5− 7 keV Chandra X-ray image and the bright point X-ray source is marked as IXO (intermediate-luminosity X-ray object)
according to the identification by Strickland et al. (2001); (c) VLA A-array 4.86 GHz radio contours overlay on the Chandra
X-ray image, where red stars mark the positions of the seven sources detected by VLBA 1.5 GHz (see contours in the middle
panel of Figure 1). All the contours are at 3σ× (−1, 1, 2, 4, 8, ...), where 1σ noises are 0.11, 0.15, 0.06 mJy beam−1, respectively.

Calibration Database (caldb) 7 version 4.9.6 standards

using chandra repro. We extracted the X-ray spec-

trum using the task specextract. Previous X-ray ob-

servational attention of NGC 3628 is an off-nuclear (20′′

from the galaxy center) point X-ray source (see Strick-

land et al. 2001), other than the diffuse X-ray emis-

sions in the central region of this galaxy. This point

X-ray source is bright (LX,0.3,8keV = 1.1 × 1040 erg s−1)

and strongly variable, thus belongs to ultraluminous

X-ray sources (King et al. 2023) (but it was initially

called intermediate-luminosity X-ray object, IXO, by

Strickland et al. 2001). In this work, we only con-

cern the nuclear X-ray emissions of this galaxy and we

use specextract to extract the spectrum of NGC 3628

from a 6′′-radius aperture centered on the nuclear X-ray

emissions; the background spectrum is extracted from a

nearby source-free region. We used photons with energy

7 https://cxc.cfa.harvard.edu/caldb/

ranging from 0.5 to 7.0 keV and grouped the spectrum

into 20 photons in each bin.

For cross-checking purposes, we also retrieved the data

from XMM-Newton. The data was obtained on Novem-
ber 27, 2000 (ObsID: 0110980101, PI: Fred Jansen) with

65 ks. We used the data from all three X-ray detec-

tors: MOS-1, MOS-2, and PN equipped on the Euro-

pean Photon Imaging Cameras (EPIC), and the clean

time intervals are 42.2, 42.3, and 32.2 ks, respectively.

The EPIC data processing was done with the XMM-

Newton Science Analysis System (SAS) 8 16.0.0. The

tasks emproc and epproc were used to reprocess the

data. To extract the spectrum, we used the same re-

gion as with Chandra and the energy range of 0.1 and

10 keV. We used the tasks rmfgen and arfgen to create

a response matrix file (RMF) and auxiliary response file

(ARF).

8 https://www.cosmos.esa.int/web/xmm-newton/sas

https://cxc.cfa.harvard.edu/caldb/
https://www.cosmos.esa.int/web/xmm-newton/sas
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Table 1. Radio observational properties of the seven sources in the nuclear region of NGC 3628.

ID FVLBA,1.5GHz dVLBA,1.5GHz SVLBA,1.5GHz θVLBA,1.5GHz SMERLIN,1.4GHz SVLA−A,15GHz α1.4−15GHz log TB

(mJy) (mas) (mJy) (mas) (mJy) (mJy) (K)

(1) (2) (3) (4) (5) (6) (7) (8) (9)

C 2.41± 0.22 42.2± 5.9 2.67± 0.21 25.4± 1.2 5.7± 2.2 2.4± 0.2 −0.37± 0.21 6.49± 0.05

E1 1.67± 0.19 36.5± 6.7 2.36± 0.23 26.3± 1.5 7.0± 1.1 2.8± 0.2 −0.39± 0.07 6.41± 0.06

E2 0.78± 0.12 14.3± 3.4 0.81± 0.12 8.9± 0.8 4.9± 1.1 2.3± 0.1 −0.32± 0.10 5.55± 0.11

E3 1.81± 0.24 64± 14 1.64± 0.21 34.2± 3.0 2.6± 1.1 1.5± 0.1 −0.23± 0.18 6.02± 0.09

E4 1.19± 0.16 28.7± 6.2 1.21± 0.15 16.8± 1.4 1.3± 1.0 0.4± 0.1 −0.50± 0.34 6.51± 0.09

W1 2.18± 0.95 139± 84 4.83± 3.70 117± 33 2.3± 0.6 0.8± 0.1 −0.45± 0.13 5.42± 0.41

W2 0.79± 0.12 14.2± 3.4 0.81± 0.12 8.9± 0.8 < 0.4 < 0.21 −0.5† 6.88± 0.10

Note—Columns give (1) Source ID, (2-3) VLBA 1.5 GHz flux density and diameter with the optically thin sphere model-fit, (4-5)
VLBA 1.5 GHz flux density and FWHM of Gaussian model-fit, (6-7) MERLIN 1.4 GHz and VLA 15 GHz flux density, (8) 1.4
(MERLIN) - 15 GHz (VLA) spectral index, and (9) VLBA 1.5 GHz brightness temperature estimated using the parameters from
Gaussian model-fit.

Note—†: The source was not detected by both MERLIN 1.4 GHz and VLA A-array 15 GHz observations, here we assume a general
spectral index for SNRs.

Table 2. Summary of the radio observations of the target NGC 3628.

Telescope Epoch Frequency Bandwidth θmaj θmin PA

(GHz) (MHz) (mas) (mas) (◦)

(1) (2) (3) (4) (5) (6) (7)

MERLIN 1996-1 1.4 16 340 300 7.0

MERLIN? 1996-1 1.4 16 260 160 7.0

VLA-A 1986-5 15 100 150 140 −12

VLBA• 2021-7-2 1.5 256 59.5 32.1 46.7

VLBA 2021-7-2 1.5 256 11.2 4.47 −0.63

Note—Columns give (1) telescope, (2) observing epoch, (3) frequency, (4)

bandwidth, and (5−7) major, minor, and position angle of the beam.

Parameters are estimated under natural weights except for

?: the uniform weight.

•: the uv-taper.

3. RESULTS

In Figure 1, we show VLBA 1.5 GHz images in both

high/full (subset images in the top and bottom panels)

and low resolution (the middle panel). Based on the

VLBA 1.5 GHz observation we identify seven point-like

sources under a restoring beam of 59.5×32.1 mas, while

two of them (W1 and E2) are too weak and diffuse to

be detected in the full-resolution image, and the beam

size of the full-resolution image is 11.2 × 4.47 mas cor-

respondingly. A two-dimensional Gaussian model-fit is

employed to obtain the integrated flux density and the

sizes (full width at half maximum of Gaussian models,

FWHM) of the compact sources; the model-fitting re-

sults are listed in Table 1.

Taking the parameters estimated via Gaussian model-

fit for each VLBA source, we can estimate the bright-
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Figure 3. The uniformly weighted VLBA 1.5 GHz image of
the source W2. The black solid contours represent positive
values and the red dashed contours represent negative val-
ues. The contours are at 3σ×(−1, 1, 1.41, 2, 2.83, ...), here 1σ
noise is 0.04 mJy beam−1. The grey ellipse in the bottom left
corner represents the full width at half-maximum (FWHM)
of the restoring beam, it’s 10.1× 3.51 mas at −2.07◦.

ness temperatures using the formula (e.g. Ulvestad et al.

2005)

TB = 1.8 × 109(1 + z)
Si
ν2θ2

(K), (1)

where Si is the integrated flux density of each Gaussian

model component in mJy (column 2 of Table 1), θ is

FWHM of the Gaussian model component in mas (col-

umn 6 of Table 1), ν is the observing frequency in GHz,

and z is the redshift. The estimated 1.5 GHz brightness

temperatures are listed in column 7 of Table 1. Here, the

estimated size θ is reliable by comparing it with the full-

resolution image of each source. Therefore, it ensues a

robust estimation of the radio brightness temperatures.

Sources E2 and W1 have the brightness temperatures

∼ 105 K, while the others all have brightness tempera-

tures > 106 K including the highest one W2 (reaching

106.88 K).

We cross-match VLBA and MERLIN sources within 1

beam size (0.26× 0.16 at 7.0◦) of the MERLIN 1.4 GHz

observation (Cole et al. 1998). Six out of the seven

VLBA sources (i.e. excepting source W2) have MER-

LIN counterparts, and VLA A-array 15 GHz sources as

well (Carral et al. 1990; Cole et al. 1998), see Table

1. We list the spectral index estimated between MER-

LIN 1.4 GHz and VLA A-array 15 GHz by Cole et al.

(1998) in column 8 of Table 1. W2 is either a new or a

compact (but weak, therefore it is submerged by diffuse

foreground radio emissions in previous VLA 15 GHz and

MERLIN 1.4 GHz observations) radio source. In Figure

2, we present the optical image of NGC 3628 with radio

contours overlaid and the distribution of X-ray emission.

4. DISCUSSION

4.1. Properties of the nuclear radio sources

All the seven radio sources in NGC 3628 have radio

brightness temperatures > 105 K, which are thought to

have non-thermal origins (Condon 1992). Cole et al.

(1998) suggest that six out of the seven radio sources,

which have both MERLIN 1.4 GHz and VLA A-array

15 GHz counterparts, are all SNRs based on the spec-

tral indices of −0.23 to −0.50 between 1.4 and 15 GHz.

The structures of sources C and E3 may be consistent

with partial shells in the full-resolution VLBA images,

which further suggests that both of them are SNRs. W2

is the most compact one in our VLBA observation with

the highest brightness temperature log (Tb/K) = 6.88

and the compact structure in the full resolution VLBA

image. In addition, we produce a uniformly weighted

image of the source W2 (see Figure 3), and it resem-

bles a partial shell of radio SN with asymmetric struc-

ture (e.g. Gaensler et al. 1997; Manchester et al. 2005,

2002). Six out of the seven VLBA sources (except W2)

distribute along the galaxy disk. Depending on an expo-

nential initial mass function and the fact that most mas-

sive stars will become SNe, the linear distribution of the

SNe in NGC 3628 hints at an extremely thin, edge-on,

and dense inner (∼ 250 parsec) star-forming disk. Fur-

thermore, the warping of the galaxy’s outer disk is one

plausible explanation for the positional discrepancy be-

tween W2 and the plane defined by the other six sources

and the galaxy.

Based on the transient nature and the partially shell-

like morphology, W2 is possibly a radio SN. The lack

of an X-ray point source visible in the Chandra image

makes it less likely that the object is an X-ray binary

or an AGN. The non-detection of W2 in both VLA and

MERLIN observations in 1986 and 1996, respectively,

indicates that either W2 had low radio flux densities at

these epochs or it just exploded after 1996. By integrat-

ing the Salpeter initial mass function with a power-law

slope of α ≈ −2.35 (see Salpeter 1955; Kroupa 2001;

Chabrier 2003; Gunawardhana et al. 2011) and assuming

that stars with masses greater than 8M� will eventually

become SNe (Heger et al. 2003), the SN rate can be es-

timated. This calculation results in a 0.2% SN rate trig-
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Table 3. Model-fitting results of the X-ray spectra.

Telescope XSPEC Model NH Γ PL Norm kT Mg Si Norm2 χ2/d.o.f.

(1022 cm−2) (10−5) (keV) (Z�) (Z�) (10−4)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10)

Chandra wabs ∗ powerlaw 0.40± 0.07 1.73± 0.18 1.46± 0.27 39.68/38

Chandra wabs ∗ (powerlaw + vmekal) 0.71± 0.73 1.61± 0.38 1.28± 0.73 0.27± 0.33 9.49± 13.2 51.1± 76.8 ∼ 1.71 25.0/38

Chandra wabs ∗ (powerlaw + vapec) 0.81± 0.45 1.64± 0.28 1.36± 0.55 0.27± 0.15 5.35± 4.18 29.9± 31.2 ∼ 1.52 23.21/38

XMM-Newton wabs ∗ powerlaw 0.63± 0.13 2.10± 0.21 4.31± 1.05 16.91/30

XMM-Newton wabs ∗ (powerlaw + vmekal) 1.26± 0.41 2.34± 0.25 6.19± 2.04 0.45± 0.18 ∼ 0.79 2.03± 3.43 1.33± 1.94 9.56/30

XMM-Newton wabs ∗ (powerlaw + vapec) 1.34± 0.43 2.27± 0.25 5.69± 1.94 0.39± 0.29 ∼ 0.14 1.77± 2.61 2.32± 5.08 9.56/30

Note—Columns give (1) telescope, (2) xspec models for fit, (3) column density of the neutral Hydrogen, (4−5) photon index and normalization of the power-law

model, (6−9) temperature, abundances of the elements Mg and Si, and the normalization of vmekal or vapec model, and (10) fit χ2 / degrees of freedom.

gered by the star formation rate. The SFR of NGC 3628

is 3.2M� yr−1 (Tsai et al. 2012) or 4.8M� yr−1 (Shinn

& Seon 2015), which yields a SN rate of 0.0064 or 0.0096

year−1, respectively. Although these estimates are only

approximate, as only a small portion of SNe are radioac-

tive and above the VLBA 1.5 GHz detection limit, it is

consistent with the fact that W2 is a nascent SN that

has exploded between 2021 (the epoch of VLBA 1.5 GHz

observation) and at least 1986.

4.2. The Σ −D relation for SNRs

The strength of the synchrotron emissions of the ex-

panding SNRs follows the relation between radio surface

brightness Σ and diameter D (the Σ−D relation). This

relation was initially derived by Shklovskii (1960) via a

theoretical deduction and has the form

Σν = AD−β , (2)

where parameter A depends on the properties of the SN

explosion and surrounding interstellar medium (ISM):

the SN energy of the explosion, the mass of ejecta, the

density of the ISM, and the strength of the magnetic

field, etc., while the slope β is thought to be indepen-

dent of these properties (Arbutina & Urošević 2005).

Subsequent theoretical studies (e.g. Berezhko & Völk

2004; Arbutina & Urošević 2005; Pavlović et al. 2013)

show that the Σ − D relation is primarily applicable

to shell-structure SNRs and obtain the slope β in the

range of 2−5.75. Generally, parameters A and β are ob-

servationally constrained by fitting the data to a sample

of SNRs of known distances (e.g. Urošević et al. 2005;

Pavlović et al. 2013; Bozzetto et al. 2017). Establishing

a universal Σ−D correlation provide a way to study the

properties of SNR population in specific galaxies and in-

terstellar environment. Furthermore, Shklovskii (1960)

also proposed to use this relation as a method for deter-

mining SNR distances.

In order to constrain the parameters in Σ − D rela-

tion, observations should have a sufficient resolution to

measure the diameters of SNRs (they usually maintain a

size of sub-parsec to parsec scale, e.g., Fenech et al. 2008;

Lenc & Tingay 2009; Batejat et al. 2011; Bondi et al.

2012; Rampadarath et al. 2014) in star-forming galax-

ies. Based on the SN/SNR nature of the seven sources in

NGC 3628, we fit the optically thin sphere model to the

uv-data for each source to obtain integrated flux density

and size. Firstly, we perform the model fit on the full-

resolution image to get the models of sources C, E1, E3,

E4, and W2; then model the sources W1 and E2 on the

uv-tapered data. The results are listed in columns 2 and

3 of Table 1. It can be found that the flux densities from

the optically thin sphere model-fit (column 2 of Table

1) are consistent with those from the Gaussian model-

fit (column 4 of Table 1), while the diameters of sphere

models (column 3 of Table 1) are systematically larger

than the FWHM of Gaussian models (column 5 of Table

1). This can be identified by marking these two sizes on

the full-resolution images of each component (top and

bottom panels of Figure 1). Obviously, the diameter of

the sphere model indicates the outer boundary, while the

FWHM of the Gaussian model indicates the size of the

brightest emitting features. The optically thin sphere

model is retrieved based on the identification of these

sources as SNRs, and therefore it is more applicable to

representing the source sizes.

We can fit the empirical Σ − D correlation by es-

tablishing a well-resolvable SNR sample. In this

work, we involve SNRs that are detected in several

nearby galaxies (Urošević et al. 2005; Filipović et al.

2005; Fenech et al. 2008; Chomiuk & Wilcots 2009;

Bozzetto et al. 2017), however, we decide to not use

the SNR sample from Arp220 due to the poor resolu-

tions (Batejat et al. 2011). For SNRs in nearby low-

redshift galaxies, we estimate 1 GHz surface brightness
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Figure 4. The 1 GHz surface brightness versus diameter relation for SNRs. The solid black line represents the best fit of the
full SNR samples and the grey belts are 1σ and 3σ intervals. The blue- and red-dashed lines are the best fits for the SNR sample
in NGC 3628 and in local galaxies except for M82 and NGC 3628, respectively.

Σ1GHz (W m−2 Hz−1 sr−1) through the formula

Σ1GHz = 5.417 × 10−16 S1GHz

θ2(1 + z)(1+α)
, (3)

where S1GHz is the integrated 1 GHz flux density in Jan-

sky (Jy), θ is the diameter in arcsecond, α is the spectral

index. The radio surface brightness doesn’t depend on

the distance to the SNRs. Our VLBA data has been

extrapolated to 1 GHz by using the spectral index in

column 8 of Table 1.

Figure 4 shows the surface brightness distribution

along the diameters of SNRs, obviously, the SNRs which

are detected in NGC 3628 follow the trend of the full

sample. We fit a power law to the full SNR samples and

get the correlation

Σ1GHz = (4.23 ± 1.07) × 10−16D−3.03±0.08. (4)

This fit shows a good regression and obtains the correla-

tion slope β = 3.03 ± 0.08, which is slightly flatter than

the fit by Bozzetto et al. (2017), i.e. β = 3.60 ± 0.15.

This slight difference is due to the use of the new SNR

sample of NGC 3628 in this work and the removal of

the SNRs in Arp220 for fit. Fitting the SNR sample in

NGC 3628 gives a power-law slope β = 1.51±0.12. This

slope is comparable with the value β = 1.97 ± 0.16 ob-

tained for SNRs in the local galaxy samples except for

M82 and NGC 3628. The slope for SNRs in NGC 3628

is consistent with that in M31 and M33 (β = 1.67

and β = 1.77, respectively Urošević et al. 2005), and

NGC 1569 (β = 1.26± 0.2, Sánchez-Cruces et al. 2022).

It should be noted that the slope β ≈ 2 is generally

a statistical rather than a physical cause (Arbutina &

Urošević 2005; Sánchez-Cruces et al. 2022). However,

the positive correlation between the surface brightness

of SNRs and the ISM density, and the type of SNRs
would naturally result in an individual Σ−D relation for

each extragalactic SNR sample. Furthermore, a high-

resolution radio observation is important to measure the

sizes of each SNR and constrain the Σ −D relation.

4.3. Origin of the nuclear diffuse X-ray emission

We extract Chandra X-ray spectrum directly from

the central 12′′ region, which includes both diffuse and

point-like X-ray sources (see Figure 2). In starburst

galaxies, point X-ray emission may originate from X-ray

binaries (e.g. Long et al. 2014) or AGNs (e.g. Komossa

et al. 2003). Therefore, we firstly fitted an absorbed

power law model to the Chandra spectrum (the green

line in Figure 5 and the parameters are listed in Ta-

ble 3), which follows the overall trend of the data in

the count rate versus energy plot. Interestingly, by sub-

tracting the continuum emission (the power law), we
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Figure 5. Chandra spectrum and model-fits. The solid
lines show the best-fitting models to the data in the en-
ergy range 0.5-7 keV, and each lower panel shows the cor-
responding residuals. Models from the top to the bot-
tom panels are wabs∗powerlaw, wabs∗(powerlaw+vapec),
wabs∗(powerlaw+vmekal), respectively.

see several narrow features which overlap with the emis-

sion lines Mgxi and Sixiii (the rest-frame energies are

1.331 and 1.839 keV, respectively), and possibly Arxvii

(3.104 keV) and a combination of O vii (spans 0.653 to

0.654 keV), Fexvii (spans 0.725 to 0.739 keV) and Ne ix

(spans 0.905 to 0.922 keV) lines. These lines are abun-

dant in SNRs and are clear features of their X-ray spec-

tra (e.g. Holt et al. 1994; Hughes et al. 2000; Michael

et al. 2002; Badenes et al. 2006; Badenes 2010; Saito

et al. 2020).

Therefore, we added a thermal plasma component to

model the Chandra and XMM-Newton spectra. Two

plasma models are individually added to the spectral fit-

ting: collisional ionization equilibrium gas (apec model

in xspec) and hot diffuse MeKal gas (vmekal model in

xspec). In the spectral fitting, we only fit the abun-

dances of the elements O, Fe, Ne, Mg, Si, and Ar,

and fix the abundances of the other elements. How-

ever, we can only constrain the abundances (in units

of solar abundance Z�) of the elements Mg and Si

(see Table 3), which indicate a supersolar abundance.

These two models well represent the X-ray spectra

along with the line features, which give better χ2
red of

0.65 and 0.61 for models wabs*(powerlaw+vmekal) and

wabs*(powerlaw+vapec) for the Chandra spectrum, re-

spectively. The over-fitting indicated by the χ2
red is likely

due to the limited number of data points.

Here the power-law component accounts for the pos-

sible contributions from XRBs and AGNs. Given that

the radio emission of NGC 3628 is dominated by star-

forming activity, we can explore the correlation between

X-ray and radio luminosity for NGC 3628. This cor-

relation is regulated by the fact that both the radio

and X-ray emissions are from star-forming activities, es-

pecially the X-ray emissions, are dominated by XRBs.

We use a comparison sample of 43 star-forming galaxies

with detection in both radio and X-ray bands from Vat-

takunnel et al. (2012). A strong correlation was found

in the comparison sample between the hard X-ray lumi-

nosity logLX,2−10keV in erg s−1 and 1.4 GHz flux density

logL1.4GHz in W Hz−1.

logLX,2−10keV = (1.04±0.05) logL1.4GHz+(17.68±1.15),

(5)

and the slope is very close to unity for local star-forming

galaxies. Furthermore, we fit the correlation between

the soft X-ray luminosity logLX,0.5−2keV in W Hz−1 and

1.4 GHz flux density for the comparison sample and find

a correlation

logLX,0.5−2keV = (0.89±0.06) logL1.4GHz+(20.71±1.47).

(6)

We use the correlations here to estimate soft and

hard X-ray luminosities for NGC 3628 and we take

the FIRST 1.4 GHz luminosity log (L1.4GHz/W Hz−1) =

21.58, where the emission region constrained through

FIRST observation well overlaps with that through

Chandra (see panel b of Figure 2). The result-

ing log (LX,0.5−2keV/erg s−1) = 39.91 ± 1.95 and

log (LX,2−10keV/erg s−1) = 40.12 ± 1.57, which are ∼
1.32 and ∼ 1.08-dex higher than the intrinsic soft

log (LX,0.5−2keV/erg s−1) = 38.58 ± 0.01 and hard X-

ray luminosity log (LX,2−10keV/erg s−1) = 39.03 ± 0.05

of NGC 3628, respectively, though with high uncertain-

ties.

Furthermore, we employ the non-linear LX−SFR cor-

relation derived by Grimm et al. (2003)

SFR (M� yr−1) =

(
LX,2−10keV

2.6 × 1039 erg s−1

)0.6

, (7)

to estimate the X-ray emissions produced by star-

forming activities. This non-linear correlation only

works for low SFR galaxies (e.g. Mineo et al. 2014).

Taking the SFR = 3.2 M� yr−1 (or SFR = 4.8 M� yr−1,

see Shinn & Seon 2015) estimated from IR luminosity

(Tsai et al. 2012), the X-ray luminosity of NGC 3628

is calculated as log (LX,2−10keV/erg s−1) = 40.25, while

the Chandra observations obtain a intrinsic (i.e. un-

absorbed) X-ray luminosity log (LX,2−10keV/erg s−1) =

39.03 ± 0.05. The estimated 2 − 10 keV X-ray luminos-

ity via the above equation is ∼ 1.22-dex higher than
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Figure 6. XMM-Newton 0.1 − 10 keV spectrum of
NGC 3628 and model-fits. The green, blue, and red
lines represent the best fits with the model wabs∗powerlaw,
wabs∗(powerlaw+vapec), wabs∗(powerlaw+vmekal), respec-
tively. The corresponding residuals of the best fits are shown
in the bottom panel.

Table 4. Model-fitting parameters for Chan-
dra 0.5 − 7 keV spectrum with xspec module
wabs∗(vrnei+vmekal).

Model component Paramerer Value

wabs NH (×1022 cm−2) 0.68± 0.44

vrnei

Norm. (×105) 2.32± 7.13

kT (keV) 1.46± 0.27

kTinit (keV) 0.31± 0.63

τ (×1013 cm−3 s) > 4.53

Mg (Z�) 6.11± 5.12

Si (Z�) 28.6± 28.4

vmekal

Norm. (×105) 4.35± 0.68

kT (keV) 10.1± 11.4

Mg (Z�) ≤ 9.67

Si (Z�) ≤ 4.61

Note—Parameters are: NH, the column density of
the neutral Hydrogen; kT , the electron temperature;
kTinit, the initial plasma temperature; τ , the ioniza-
tion timescale; and the abundances of each element.

the observations. Taking the recent LX − SFR correla-

tion derived by Bayliss et al. (2020) still results in an

overestimation of X-ray luminosity.

These results imply insufficient XRBs in the central re-

gion of the galaxy NGC 3628, and they disfavor an AGN

as well. Indeed, the high resolution (∼ 0.5′′) Chandra

observation shows that the X-ray emission neither over-

laps with the radio emissions (see panel c of Figure 2)

nor associates with the individual radio source (e.g. the

cases of X-ray SNe/SNRs, Long et al. 2014). Further-

more, the X-ray emission has a symmetric morphology

extending in both the north and south of the galaxy disk,

which mimics a galactic scale wind (see also Tsai et al.

2012). Interestingly, the Chandra spectrum presented

in this work (including both diffuse and point-like X-

ray emission) is highly consistent with the point-source

subtracted spectrum (see Tsai et al. 2012), which again

implies a deficit of point X-ray sources.

Therefore, we account for the X-ray emissions from

activities that are triggered by SNRs. We modeled the

Chandra spectra with a combination of a thermal gas

(vmekal model in xspec) and a nonequilibrium ioniza-

tion plasma (vrnei model in xspec), which correspond

to the interstellar medium and the ejecta of SNRs (see

Saito et al. 2020), respectively. The abundance of ele-

ments O, Fe, Ne, Mg, Si, and Ar are free parameters,

while the others are fixed to the solar abundance. The

best-fit parameters and spectral lines are presented in

Table 4 and Figure 7, respectively. The fitting yields

electron temperatures of 1.46 ± 0.27 keV and 10.1 ±
11.4 keV for NEI and MeKaL medium, respectively. In-

terestingly, the fit not only represents the emission lines

Mg XI and Sixiii, but also the lines Arxvii at 3.104 keV

and the combination of Oviii, Fexvii, and Ne ix lines

at 0.7−0.8 keV. The abundances of Mg and Si are

roughly consistent with the wabs*(powerlaw+vapec)

and wabs*(powerlaw+vmekal). Obviously, this model

better represents the spectrum and the associated nar-

row features than the above models, though it has an

over-fitting χ2
red = 0.62 due to the limited data points.

As a result, this model indicates that the X-ray emis-

sions in the central region of NGC 3628 can be fully

explained by SN-triggered activities. Along with the

morphology of the X-ray emitting regions, the X-ray

emissions trace a hot and highly ionized galactic scale

gas outflow of NGC 3628.

5. CONCLUSION

We conducted a study on the radio and X-ray emis-

sions of the starburst galaxy NGC 3628, and have sum-

marized our findings as follows. (1) Through the VLBA

1.5 GHz observation, we achieved the highest resolution

of ∼ 5−10 mas and were able to resolve the central domi-

nating radio sources of this galaxy. This ensues the iden-

tification of seven compact SNRs in galaxy NGC 3628,

and three of them are consistent with partial shells; (2)

We estimated the diameter of these seven sources by fit-
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Figure 7. Chandra 0.5−7 keV X-ray spectrum of NGC 3628.
The red solid line corresponds to the best-fitting model
wabs*(vrnei+vmekal), where the vrnei model shows in blue
dashed line and the vmekal model shows in green dashed line.
The residuals of the best fit are shown in the bottom panel.

ting an optically thin sphere model, and we discovered

that one of these seven sources is a new radio SN; (3) We

explored the Σ−D relation by using the SNRs detected

in NGC 3628 and other SNR samples with accurate size

estimations; (4) We analyzed archival observations of

NGC 3628 from Chandra and XMM-Newton with a to-

tal effective exposure time of more than 170 ks. We

found that the X-ray spectra can be well modeled with

the activities of SNRs; (5) We investigated the correla-

tion between X-ray luminosity and star-formation rate,

as well as the correlation between radio and X-ray lumi-

nosity for starburst galaxies. Our findings suggest that

the X-ray emission is more likely to originate from the

activities of SNRs than from X-ray binaries and AGNs.

These results indicate that SN-triggered activities are re-

sponsible for producing both X-ray and radio emissions

in the starburst galaxy NGC 3628. This work provides

valuable insights into the SN-driven radio activity and

galactic-scale gas outflow model.
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ABSTRACT

Accretion of black holes at near-Eddington or super-Eddington rates is the most powerful episode

that drives black hole growth, and it may work in several types of objects. However, the physics of

accretion and jet-disc coupling in such a state remains unclear, mainly because the associated jets

are not easily detectable due to the extremely weak emission or possibly episodic nature of the jets.

Only a few near/super-Eddington systems have demonstrated radio activity, and it remains unclear

whether there is a jet and what are their properties, in super-Eddington active galactic nuclei (AGNs)

(and ultraluminous X-ray sources). The deficit is mainly due to the complex radio mixing between

the origins of jets and others, such as star formation activity, photo-ionized gas, accretion disk wind,

and coronal activity. In this work, we conducted high-resolution very long baseline interferometry

(VLBI) observations to explore the jets in the highly accreting narrow-line Seyfert I system I Zw 1.

Our observations successfully revealed small-scale jets (with a linear size of ∼ 45 parsec) at both 1.5

and 5 GHz, based on the high radio brightness temperature, radio morphology, and spectral index

distribution. Interestingly, the lack of a flat-spectrum radio core and knotty jet structures imply

episodic ejections in I Zw 1, which resemble the ejection process in Galactic X-ray binaries that are

in the canonical very high state. The high accretion rates and jet properties in the AGN I Zw 1 may

support the AGN/XRB analogy in the extreme state.

Keywords: Active galactic nuclei (16) — Accretion (14) — Very long baseline interferometry (1769)

— Radio jets (1347) — Seyfert galaxies (1447)
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The Eddington ratio1 is a key indicator of black hole

accretion and ejection states, in both stellar-mass black

holes (SBHs) and supermassive black holes (SMBHs)

(e.g. Fender et al. 2004; Falcke et al. 2004; Körding

et al. 2006), which is generally < 1 under the assump-

tion of spherical accretion. The accretion flows and as-

sociated ejection processes with low and moderate Ed-

dington ratios generally can be described with Advec-

tion Dominated Accretion Flows (ADAFs, Narayan &

Yi 1994; Esin et al. 1997) and standard accretion disk (or

Shakura–Sunyaev disk, SSD, Shakura & Sunyaev 1973),

respectively, and corresponding revisions (e.g. Fender

et al. 2004; Done et al. 2007; Yuan & Narayan 2014).

However, super-critical accretion (with the super-

Eddington accretion rate for which the black hole radi-

ates above the Eddington luminosity) is viable in both

observations and physics and potentially plays an es-

sential role in feeding the black hole growth in the

early Universe (see Yang et al. 2020, and references

therein). Furthermore, super-Eddington accretion of the

first-generation SMBHs may have a deep impact on reg-

ulating the (host) galaxy evolution and the epoch of

reionization through feedback processes. As accretion

increases to near or super-Eddington rates, the standard

disc geometry cannot be maintained and the accretion

flow will inevitably evolve into a ‘slim disc’ (Vierdayanti

et al. 2013). The corresponding state is sometimes called

the ‘ultraluminous state’ (Gladstone et al. 2009).

Regardless of the importance and the viability of

super-Eddington accretion, our understanding of the ac-

cretion and ejection processes in this accretion state re-

mains limited, which is primarily due to that only a

few systems can temporarily trigger super-Eddington

accretion (e.g. Greiner et al. 2001; Dai et al. 2018),

and even fewer systems can maintain long-lived super-

Eddington accretion (e.g. Middleton et al. 2021; King

et al. 2023). Even worse, the mechanism for sustaining

super-Eddington accretion in those sources which per-

sistently accrete at super-Eddington rates is unclear.

It is also widely accepted that supermassive and

stellar-mass black holes have similarities in accretion

physics, i.e., Active galactic nuclei (AGNs) and XRBs

have similar accretion state transitions and associated

ejection processes. However, it is still unclear whether

the AGN/XRB analogy holds in the ‘ultraluminous

state’ and whether the geometry of the disc–corona sys-

tem and jet-disc coupling are similar. Here, our interest

is the connection between the short-lived canonical ‘very

1 λEdd ≡ Lbol/LEdd; Lbol is the bolometric luminosity, LEdd =
3.2 × 104(MBH/M�)L� is the Eddington luminosity, and MBH

is the black hole mass.

high state’ (universally found in XRBs) and the long-

standing super-Eddington accretion in, for example, the

microquasar SS 433, and ULXs, and which parameters

are driving the long-lived super-Eddington accretion. As

the time scale of state transition is proportional to black

hole mass (Svoboda et al. 2017; Yang et al. 2020), a ‘very

high state’ in SMBHs (e.g. MBH = 107M�), would last

106 times longer than in 10M� stellar-mass black holes

found in XRBs. Therefore, the study of near/super-

Eddington AGNs provides an opportunity to understand

the ejection process in a quasi-steady ‘very high state’

and may shed light on the physics to sustain such a

near/super-Eddington accretion. For this reason, we

present very long baseline interferometry (VLBI) obser-

vations of an AGN, I Zw 1, which radiates close to or

above the Eddington limit.

I Zw 1 is one of the closest quasars located at a red-

shift of z = 0.0589 (Ho & Kim 2009) and is regarded

as an archetypal narrow-line Seyfert 1 galaxy (NLS1)

based on its optical properties (Schmidt & Green 1983;

Pogge 2000). The black hole mass of I Zw 1 was es-

timated to be MBH = 9.3 × 106M� from optical re-

verberation mapping (Huang et al. 2019). The bolo-

metric luminosity estimated from the spectral fitting is

logLbol = 45.50− 45.68 erg s−1 (Mart́ınez-Paredes et al.

2017), which exceeds its Eddington luminosity with an

Eddington ratio of λEdd = 2.77−4.20. Another work ob-

tained a higher black hole mass of MBH = 2.8× 107M�
using X-ray reverberation (Wilkins et al. 2021) and es-

timated the Eddington ratio of I Zw 1 as unity (or 0.3)

based on the optical monochromatic luminosity (or the

X-ray luminosity). However, the authors note that the

luminosity could be underestimated due to photons be-

ing trapped in the disk. If we take the bolometric lu-

minosity of logLbol = 45.50 − 45.68 erg s−1 (Mart́ınez-

Paredes et al. 2017), which is thought to be more ac-

curate than the estimation from the single-band lumi-

nosity, and use the larger black hole mass measurement

of MBH = 2.8 × 107M� (Wilkins et al. 2021), then

the Eddington ratio would be 0.92 − 1.40. We should

bear in mind that when the bolometric luminosity ap-

proaches and exceeds the Eddington luminosity, the ac-

tual mass accretion rate would be significantly higher

than expected from the observable luminosity assum-

ing a typical radiative efficiency (η < 1, Bian & Zhao

2003) because of the photon trapping effect (Mineshige

et al. 2000). The radiative efficiency of I Zw 1 was es-

timated, as one of the Palomar–Green (PG) quasars

PG 0050+124, to be log η = −2.21 or −1.18 ± 0.04

(based on the mass estimates with the broad emission

line widths and the M − σ∗ correlation, respectively,

see Davis & Laor 2011). With such a high Eddington
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ratio and low radiative efficiency, therefore, the SMBH

in I Zw 1 must be growing with a mass accretion rate

notably higher than the Eddington limit, i.e. the super-

Eddington accretion rate.

I Zw 1 is also an extremely radio-quiet AGN with ra-

dio loudness parameter R = 0.35 (fn.2) (Yang et al.

2020). Radio emission from radio-quiet AGNs is com-

plex and remains a subject of debate (Panessa et al.

2019). On the other hand, the presence of jets in near or

super-Eddington systems and how it is launched are also

questions that need to be explored. X-ray observations

of I Zw 1 indicate that the X-ray corona exhibits some

structure and part of it may be collimated and ejected

(Gallo et al. 2007; Wilkins et al. 2017). I Zw 1 is an ex-

treme example of a nearby highly accreting and radio-

quiet AGN, providing an ideal laboratory for studying

outflow activities3 including jets and winds, with high

spatial resolutions.

In this work, we report the Very Long Baseline Array

(VLBA) and European VLBI Network (EVN) plus the

enhanced Multi-Element Remote-Linked Interferometer

Network (e-MERLIN) observations of the nuclear region

in I Zw 1 and we also analyze the archival data from VLA

and MERLIN. Our paper is organized as follows, Sec-

tion 2 details the multi-band observations, data reduc-

tion, and analysis of the target I Zw 1, while Section 3

presents the results and discussions. Finally, we provide

our conclusions in Section 4. Throughout this work, we

adopt the standard ΛCDM cosmology with H0 = 71 km

s−1 Mpc−1, ΩΛ = 0.73, Ωm = 0.27, and the correspond-

ing physical scale is 1.125 pc mas−1 in I Zw 1.

2. OBSERVATIONS AND DATA REDUCTION

2.1. VLBI observation and data reduction

We observed I Zw 1 on 2018 September 23 with 10

antennas of the Very Long Baseline Array (VLBA)

and on 2020 November 17 with 19 antennas of the

European VLBI Network (EVN) plus the enhanced

Multi-Element Remote-Linked Interferometer Network

(e-MERLIN). The VLBA observation was carried out at

L-band (1.548 GHz or 1.5 GHz for short, the project code

BY145), and the EVN+e-MERLIN observation was con-

ducted at C-band (4.926 GHz or 5 GHz for short, the

project code EY037), respectively. The total VLBA ob-

serving time is 2 h with a data recording rate of 2 Gbps,

and the total time of the EVN+e-MERLIN observation

2 R = 1.3 × 105(L5/LB); L5 is the radio luminosity at 5 GHz
and LB is the optical luminosity of the nucleus at λB = 4400 Å;
radio-quiet AGNs are defined as R < 10.

3 throughout the work, we use ‘outflow’ to refer to both collimated
jets and wind-like outflows.

is 8 h with a data recording rate of 4 Gbps. Both obser-

vations were performed in the phase-referencing mode,

using J0056+1341 (R.A.: 00h56m14.816010s±0.000013s,

Dec.: +13◦41′15.75506′′±0.00044′′) as the phase refer-

ence calibrator.

We calibrated the VLBI data in the Astronomical Im-

age Processing System (aips), a software package de-

veloped by the National Radio Astronomy Observatory

(NRAO) of U.S. (Greisen 2003), following the standard

procedure. A-prior amplitude calibration was performed

using the system temperatures and the antenna gain

curves provided by each station. The earth orientation

parameters were obtained and corrected using the mea-

surements from the U.S. Naval Observatory database

and the ionospheric dispersive delays were corrected

based on a map of the total electron content provided by

the GPS satellite observations 4. The opacity and paral-

lactic angles were also corrected based on the auxiliary

files attached to the data. The delay of the visibility

phase and the telescope bandpass were calibrated using

the bright radio source 3C 454.3. Next, we performed a

global fringe-fitting on the phase-referencing calibrator,

J0056+1341, by assuming a point source model to solve

miscellaneous phase delays.

The phase calibrator J0056+1341 shows a core-jet

structure that extends upto ∼100 mas to the north (see

supplementary Figure 1 in Appendix B for their 1.5 and

5 GHz images). We performed self-calibration to the

phase calibrator and obtained its CLEAN model, which

was then used as the input model to re-solve the phases

in aips. This operation can eliminate phase reference

errors due to the jet structure. Finally, both phase and

amplitude solutions obtained from the phase calibrator

were applied to the target I Zw 1. The calibrated uv-data

was exported to difmap (Shepherd 1997) for deconvo-

lution. Based on a signal-to-noise ratio of ∼ 30 and

∼ 14 in 1.5 and 5 GHz in the residual map, respectively,

we decide to not perform self-calibration to the target

source.

We performed different deconvolution algorithms in

difmap to produce radio maps, i.e. CLEAN and Gaus-

sian model-fit. It is important to note that the solutions

for visibilities are not necessarily unique when complex

structures are to be handled. In order to compare the

goodness of the deconvolution results, we summarised

statistical parameters in Table 1. Obviously, the sta-

tistical parameters of the Gaussian model-fit are close

to the CLEAN, while the CLEAN is better than the

Gaussian model-fit based on the χ2
r-value (especially at

4 https://cddis.nasa.gov

https://cddis.nasa.gov
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Figure 1. 1.5 and 5 GHz VLBI images of I Zw 1. All the images are produced with natural weight and the map
reference is at the Gaia position. The restoring beams are displayed as grey ellipses in the lower-left/right corner of each panel,
which are 19.9 × 14.9, 11.5 × 4.67, 9.27 × 5.95 and 3.22 × 1.14 mas from panel (a) to (d), respectively. The contours are at
3σ × (−1, 1, 1.41, 2, 2.83, . . . ), where positive contours are white and black solid and negative ones are red dashed. From panel
(a) to (d), the image peak is 1.66, 0.88, 0.24, and 0.10 mJy/beam, respectively, and the rms noise is 0.06, 0.025, 0.008 and
0.007 mJy/beam, respectively. The circles with crosses inside indicate the corresponding Gaussian models. In panels (b) and
(c), the red stars mark the Gaia optical positions. The uncertainty in the Gaia position is ∆α = 0.18 and ∆δ = 0.17 mas, which
includes an astrometric excess noise error of 0.14 mas. At the redshift of I Zw 1, 1 mas corresponding to 1.125 pc.

5 GHz), which is reasonable as the emission regions are

generally more complex than the representation of a

few Gaussian components. The resulting CLEAN im-

ages and Gaussian model-fitted components are shown

in Figure 1. The root-mean-square (rms) noise in the

residual map (Column 3 of Table 1) is larger than the

off-source rms noise in the map (Column 4 of Table 1),

indicating that some diffuse emission cannot be recov-

ered in the full resolution map. The off-source rms repre-

sent the background noise fluctuation, whereas the rms

of the residual map incorporate residual flux densities.

Therefore, the loss of flux density in the images can be

characterized as σr−σrms

σrms
(Column 5 of Table 1). Simul-

taneously, we also produced a uv-tapered map to reduce

the weight of the long-baseline visibilities (and thus also

reduce the resolution) in an attempt to recover the weak

and extended emission, see panels (a) and (c) in Figure

1.
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2.2. Archived VLA data

We retrieved the raw visibility data of I Zw 1 observed

by the Very Large Array (VLA) from the NRAO data

archive 5, including historical VLA and the newly ob-

served Karl G. Jansky VLA (JVLA) data. Although

some data have been published (see Table 2), to ensure

consistency in the data reduction, we performed a man-

ual calibration for all available datasets using the Com-

mon Astronomy Software Application (CASA v5.1.1,

McMullin et al. 2007). Our data reduction followed

the standard routines described in the CASA cookbook.

We adopted the ‘Perley-Butler 2017’ flux density stan-

dard to set the overall flux density scale for the primary

flux calibrator and then bootstrapped the secondary flux

density calibrators and the target. For the historical

VLA datasets, we determined the gain solutions using a

nearby phase calibrator and transferred them to the tar-

get I Zw 1. For the JVLA datasets, we also determined

antenna delay and bandpass by fringe-fitting the visibil-

ities. For the data observed after 1998, we performed

an ionosphere correction using the data obtained from

the CDDIS archive. Deconvolution, self-calibration, and

model-fit were performed in difmap. The final images

were created using natural weight. Due to the good

uv-coverage, simple emission structure, and high signal-

to-noise ratio (SNR>9), the VLA data allows for self-

calibration using a well-established model. For data

with lower SNR, we used three times the image noise

as the upper limit for the flux density.

2.3. Astrometry of the VLBI data

We measure the uncertainties of the astrometric mea-

surements from three main origins: (1) Positional un-

certainties of phase-referencing calibrators. In phase-

referencing observations, the coordinates of the target

are referenced to a close calibrator. The calibrator

J0056+1341 was selected from the catalog rfc 2022a in

Astrogeo 6 with precise position with accuracies ∆α =

0.20 mas in right ascension and ∆δ = 0.44 mas in dec-

lination; (2) Astrometric accuracy of phase-referenced

observations. Primarily concerning the station coor-

dinate, Earth orientation, and troposphere parameter

uncertainties, which can be measured through the for-

mula and data from Pradel et al. (2006). This por-

tion contribute position errors ∆α ≈ 0.26 mas and

∆δ ≈ 0.50 mas in VLBA 1.5 GHz observation and ∆α ≈
0.27 mas and ∆δ ≈ 0.47 mas in EVN+e-MERLIN 5 GHz

observation; (3) Thermal error due to the random noise

5 https://archive.nrao.edu/archive/advquery.jsp
6 http://astrogeo.org/

(e.g. Thompson et al. 1986; Rioja et al. 2017). This

uncertainty can be characterized as σt ∼ θB/(2×SNR),

where θB is the full-width at half maximum of the restor-

ing beam and SNR is the signal-to-noise ratio. In this

work, we take this value from difmap.

During the self-calibration process, the absolute co-

ordinate position of the phase-referencing calibrator is

lost and the brightest feature of the image is shifted to

the phase center of the map. In general, due to the

frequency-dependent shift in the peak of the optically

thick component and the slightly different distribution

of the radio emission at different resolutions, the bright-

est component may not be the same component from one

observation to the next. This would induce a system-

atic offset between two images. The alignment between

the images of two frequency observations can be done

using an optically thin component as a reference since

its position is less affected by the frequency-dependent

opacity effect (e.g. Marr et al. 2001; Kovalev et al. 2008;

Sokolovsky et al. 2011; Fromm et al. 2013).

In our VLBI observations, we used J0056+1341 as the

phase-referencing calibrator, which has a flat-spectrum

radio core. We obtained VLBI C (4.34 GHz) and X-band

(7.62 GHz) data from Astrogeo. As neither the C and

X-band data are self-calibrated, the core shift at C-band

can be directly estimated as ∆R.A. ∼ 0.69 mas, ∆DEC.

∼ −0.29 mas relative to the X-band data (see supple-

mentary Table 3 in Appendix B). J0056+1341 also has

a significant offset between C and L bands (see supple-

mentary Figure 1 in Appendix B) in our observations,

and the offset of the VLBA L-band image is determined

using the optically thin component J1 of the jet, esti-

mated as ∆R.A. = 1.742 mas and ∆DEC. = −3.228 mas

(see supplementary Table 3 in Appendix B) relative to

the EVN+e-MERLIN C-band image.

For the target I Zw 1, we use the position of the bright-

est optically thin (α = −0.86± 0.07) component in the

tapered EVN+e-MERLIN 5 GHz image (panel c of Fig-

ure 1) to align with the VLBA 1.5 GHz image. The peak

position of the 1.5 GHz image was moved in difmap to

align with the 5 GHz image by ∆R.A. = 1.33±0.38 mas,

∆DEC. = −0.77 ± 0.69 mas, where the positional un-

certainties accounts for both 1.5 and 5 GHz astrometric

uncertainties of the brightest component E1. The cen-

troid of the optical emission obtained from the second

data release 7 of the Gaia mission (Gaia Collaboration

et al. 2018a,b) is R.A.= 00h53m34s.933288 ± 0.000012

and DEC.= +12◦41′35′′.93081 ± 0.00017 (J2000). This

includes astrometric excess noise error of 0.14 mas. Co-

7 https://gea.esac.esa.int/archive/

https://archive.nrao.edu/archive/advquery.jsp
http://astrogeo.org/
https://gea.esac.esa.int/archive/
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Figure 2. The radio light curves of I Zw 1 over a time in-
terval of 37 years. The integrated radio flux densities and
their uncertainties are taken from Table 2, where the data
with the same observing band (approximately equal central
frequencies) and arrays/sub-arrays are concatenated to show
the variability.

ordinates for the target are also listed in supplementary

Table 3 in Appendix B.

2.4. Radio Spectrum

To obtain the radio spectral index, we first checked

the variability of I Zw 1. Figure 2 shows the radio flux

density versus the observing epoch. The largest vari-

ability we identify is ∼8%, which is from the VLA A-

array observations at the C-band between epochs 1983

and 1995. Since there is no evidence for extreme vari-

ability on a time scales of ∼30 years, we plot the radio

flux density versus the frequency in Figure 3 using all

archival data. The least-square fitting gives an overall

radio spectral index of −0.89 ± 0.10. From Figure 3,

we can see the radio flux density changes with the col-

lection area. The radio spectral index between 1.4 and

5 GHz, using the datasets with a similar resolution (i.e.,

1.3 ∼ 1.5 and 4.3 ∼ 5.3 arcsec), is −0.69 ± 0.08 and

−0.61 ± 0.02, respectively. These yields flatter spectral

indices than the overall fit. Given the total flux density

in Section 2.5, the spectral index between VLBA 1.5 and

EVN+e-MERLIN 5 GHz is −1.06±0.13, consistent with

the overall radio spectral index.

To obtain the spectral index distribution for the high-

resolution data observed with the VLBA and EVN+e-

MERLIN, we created a spectral index map following the

procedure described in Hovatta et al. (2014). Here, we

Figure 3. Wide-band radio spectrum of I Zw 1. The in-
tegrated radio flux density measurements of I Zw 1 in five
radio frequency bands between 1.4 and 15 GHz are shown,
where the flux density and uncertainties are taken from Ta-
ble 2. The blue dashed line is the model-fitting result with a
power-law spectrum using all the data points presented here.
The power-law slope (spectral index) is −0.89 and the blue
belt shows the 95% confidence interval (0.10). The green and
red dashed lines show the power-law fitting between 1.4 and
5 GHz datasets with similar size scales, i.e. 1.3∼1.5 (arcsec,
red) and 4.3∼5.3 (arcsec, green), respectively. The green and
red belts indicate their 95% confidence intervals.

used the uv-tapered image by 0.5 at 20 Mλ at 5 GHz

and restored it to match the 1.5 GHz map. Similarly,

the alignment of two images is through the brightest

optically thin component E1. The spectral index was

calculated pixel-by-pixel between the 1.5 and 5 GHz to-

tal intensity maps. For a given frequency, pixels with

an intensity less than 3σrms were removed. The spec-

tral index map between 1.5 and 5 GHz is shown in the

left panel of Figure 4. Both Gaia position and compo-

nent C are in the flat spectral region (α > −0.5, see also

Figure 5.)

We study the radio spectral index distribution along

the jet trajectory by estimating a ridge line of the jet.

We define the jet ridge as the line that connects the

peaks of one-dimensional Gaussian profiles fitted to the

profile (slices) of the jet brightness drawn orthogonally

to the jet direction (see Vega-Garćıa et al. 2020). To

obtain the ridge line, we performed a fitting to the ta-

pered and restored (with circular beam) 5 GHz EVN+e-

MERLIN image. The first slice starts from the Gaia

position and a position angle of 220◦ (regarding to the

East direction anticlockwisely) was initially adopted for

the jet direction. The step between individual slices was

set to be smaller than the beam size (a measure taken in

order to ensure the continuity of the brightness profiles
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Figure 4. 1.5–5 GHz spectral index distribution of I Zw 1 on the parsec scale. Left panel: the spectral index map produced by
using the naturally weighted clean map at 1.5 and 5 GHz. The region with radio flux density below 3σ was set as blank (white),
i.e. the outer region of the red (for 1.5 GHz) and black (for 5 GHz) curves. Radio spectral indices within both red and black
curves are reliable. The black dots and the grey line indicate the ridgeline obtained from the tapered 5 GHz EVN+e-MERLIN
image. The red stars indicate the centroid positions of the Gaussian components E1 and C from the 5 GHz image. Right panel:
the spectral index distribution along the ridgeline. A positive radius corresponds to positive right ascension coordinates, and
vice versa. The Gaia position is set as the reference. The grey belt marks the uncertainty of the spectral indexes along the
ridgeline. The red stars mark the locations of the Gaussian components E1 and C from the 5 GHz image. In both panels the
blue asterisks indicate the Gaia position.

Figure 5. Comparison of positions between Gaia DR2 and
VLBI component C in spectral index map. Here only the
flat spectral region (α > −0.5) is shown. We take 3σ posi-
tion error of component C here, where 1σ position error is
estimated through the method described in Section 2.3.

recovered from adjacent slices). The jet direction was

readjusted among every three ridge line points. The re-

sulting jet ridge line and spectral index distribution are

presented in Figure 4.

2.5. Radio flux density and Brightness Temperature

We estimate flux density uncertainties following the

instructions described by Fomalont (1999). In this work,

the integrated flux densities Si were extracted from

Gaussian model-fit in difmap, where a standard devia-

tion in model-fit was estimated for each component and

considered as the fitting noise error. Additionally, we as-

sign the standard 5 and 10% errors originating from am-

plitude calibration of VLBA (see VLBA Observational

Status Summary 2018B 8) and EVN (e.g. Radcliffe et al.

2018) data, respectively.

The radio brightness temperature was estimated using

the formula (Ulvestad et al. 2005):

TB = 1.8× 109(1 + z)
Si

ν2φminφmaj
(K), (1)

where Si is the integrated flux density of each Gaussian

model component in units of mJy (column 5 of Table 4);

φmin and φmaj is minor- and major-axis of the Gaussian

8 https://science.nrao.edu/facilities/vlba/docs/manuals/oss2018B

https://science.nrao.edu/facilities/vlba/docs/manuals/oss2018B
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model (i.e. FWHM) or the restored beam in milli-arcsec;

ν is the observing frequency in GHz (column 2 of Table

4), and z is the redshift.

The resolution limit θlim for Gaussian components can

be estimated using the formula (Lobanov 2005),

θlim = 22−β/2θB

(
ln (2)

π
ln

SNR

SNR− 1

)1/2

, (2)

where θB is the FWHM of the synthesized beam, SNR

is the signal-to-noise ratio and β = 2 for the natural

weight. If the fitted component size is lower than the

corresponding resolution limit, then θlim was used in-

stead as the component size, and the component was

identified as unresolved (or the radio-emitting region

cannot be constrained). The resolution limits for each

component are listed in Column 7 of Table 4 and the

estimated 1.5 GHz and 5 GHz radio brightness temper-

atures are listed in Column 8 of Table 4. Since the

measured component size is only the upper limit, the

radio brightness temperature should be considered as

the lower limit. We also estimated a total radio flux

density from a uv-tapered image, which is 2.636±0.282

and 0.765±0.085 mJy for 1.5 and 5 GHz, respectively,

and the corresponding source angular sizes are ∼50 and

∼40 mas, respectively.

3. RESULTS AND DISCUSSION

3.1. A canonical jet in the super-Eddington AGN

I Zw 1.

Panel (b) of Figure 1 shows the 1.5 GHz VLBA image,

displaying a quasi-continuous emission structure elon-

gated along the east-west direction with an extent of

∼45 parsec (pc). Panel (d) of Figure 1 shows a higher-

resolution (the beam FWHM is 3.22 × 1.14 mas) image

obtained from the 5 GHz EVN+e-MERLIN observation.

The bright components in the 1.5 GHz image are re-

solved into a series of knots in the 5 GHz image. Most

of these components (except for components S and W1)

have brightness temperatures > 107 K (Table 4), and

the whole radio emitting structure has an overall steep

spectrum (Figure 3), which favors a jet origin and is un-

likely from star-forming activities (Condon et al. 1991)

and thermal free-free radiation of the hot molecular disc

surrounding AGNs (Gallimore et al. 1997). Further-

more, based on the identification of optical and radio

cores (see below), the bilateral radio structures in the

5 GHz EVN image (panel d of Figure 1) are consistent

with the assembling of approaching and receding jets.

Correspondingly, the brightness asymmetry between the

two branches of the bilateral structures indicates the

Doppler boosting effect of relativistic jets.

The jet base of an AGN typically has a flat radio

spectrum due to the synchrotron self-absorption in the

optically-thick region (α > −0.5, fn.9). The radio core of

I Zw 1 is likely close to component C because it is located

in a relatively flat spectral region (see Figure 4), has a

high radio brightness temperature of log (TB/K) > 7

in both 1.5 and 5 GHz (see Table 4), and is roughly

associated with the Gaia position. The 5 GHz image

further resolves component C and measures a more ac-

curate position of its peak, which slightly offsets from

the Gaia position (see panel d of Figure 1 and Figure

5). Actually, it was already shown that there is a signif-

icant offset between VLBI and Gaia positions in AGNs

(Petrov & Kovalev 2017; Kovalev et al. 2017; Plavin

et al. 2019). Interestingly, the offset between compo-

nent C and the Gaia position is consistent with the

observations of Seyfert I galaxies (i.e. the upstream off-

sets of Gaia positions correspond to VLBI positions, see

Plavin et al. 2019). Therefore, the VLBI/Gaia offset in

I Zw 1 can be attributed to the dominance of the accre-

tion disk in the optical band (the Gaia position), while

the VLBI observations alternatively track the emissions

of jets (Plavin et al. 2019).

Based on both the radio and optical cores, there is an

obvious spectral steepening along the eastern jets, while

it is less prominent in the western jet (see the right panel

of Figure 4). This property resembles canonical jets in

blazars and can be explained with radiative losses of the

synchrotron-emitting plasma or with the evolution of

the high-energy cutoff in the electron spectrum (Hovatta

et al. 2014).

3.2. Is the ejection process in I Zw 1 episodic?

Component C is most likely the closest component to

the radio core, however, the spectrum of C itself is too

steep (as a reference, the spectral index at the peak po-
sition of component C is roughly −0.4 from the spectral

index map, see Figure 5) to be from the nucleus of I Zw 1.

Taking the integrated flux density of C at 1.5 and 5 GHz

(see supplementary Table 4 in Appendix B), we can es-

timate the 1.5 − 5 GHz spectral index of component C

as −0.88± 0.11. Recalling the offset between the VLBI

position of component C and the Gaia position of the

optical nucleus, the natural explanation of component

C is nascent ejecta.

Interestingly, the positions of local brightness en-

hancements (the knots E1 and W1) are symmetric (see

Figure 6) and components E1 and C seem to be em-

bedded on a continuous background of the jet stream

and mimic discrete blobs/knots. On the origin of the

9 Sν ∝ να; Sν is the flux density and ν is the frequency
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Figure 6. 5 GHz flux density distribution along jet ridge line for I Zw 1. The data points with positive (blue) and negative (red)
radii are the approaching and receding jets, respectively. Positional uncertainties were directly measured in fitting the ridge
line in Section 2.4 and flux uncertainties are estimated by accounting for thermal noise errors and calibration uncertainties (see
Section 2.5).

knots, several works envisage them as the shocks trav-

eling along the jets (e.g. Hovatta et al. 2014), while

the other works interpret them as discrete blobs from

episodic ejection (e.g. Shende et al. 2019). We note that

the relatively flatter spectra around the Gaussian com-

ponents (C and E1) in Figure 4 do imply the shock ac-

celeration in the discrete blobs (C and E1) in I Zw 1 (see

Hovatta et al. 2014). However, it seems that the heavily

knotty jets (comparing with the jets in blazars, Hovatta

et al. 2014) in I Zw 1 is inconsistent with the only mild

flattening in the spectrum, i.e. the spectral distribu-

tion shows only plateaux than clear bumps (see Hovatta

et al. 2014). This discrepancy may be indicative of an

episodic scenario. Actually, the lacks of a bright radio

core and the steep spectrum in the nascent ejecta C both

support the episodic ejection scenario. In observations,

there is also growing evidence to show that highly ac-
creting AGNs tend to launch episodic jets (Yao et al.

2021; Yang et al. 2022a,b,c, 2023).

3.3. On the physical interpretations of the complex jets

By summing the radio flux density along the jet tra-

jectory, i.e. only excluding the component S, the mea-

sured 5 GHz jet luminosity of I Zw 1 is logL5GHz =

38.547 ± 0.003 erg s−1. Taking the X-ray luminosity of

logL2−10keV = 43.65 erg s−1 measured in 2020 (Wilkins

et al. 2021), the radio to X-ray luminosity ratio of I Zw 1

is LR/LX = 10−5.102, suggesting the nature of the jet is

the corona ejection from the accretion disk (Yuan et al.

2009), i.e. LR/LX ∼ 10−5 (Panessa et al. 2019; Yang

et al. 2020), and consistent with the interpretation of

the X-ray behavior (Gallo et al. 2007; Wilkins et al.

2017). Models and observational evidence suggest that

episodic jets in both AGN and microquasar are ejected

from the accretion disc corona (see Shende et al. 2019,

and references therein).

The bilateral morphology and the linear size of ∼45

pc (the tapered 5 GHz image in panel c of Figure 1

and Figure 6) are reminiscent of I Zw 1 being a com-

pact symmetric object (CSO, O’Dea & Saikia 2021).

However, the lack of a spectral peak at GHz (Figure 3)

alternatively implies that it belongs to compact steep-

spectrum (CSS) radio sources. Assuming minimum en-

ergy (approximately equipartition) conditions in syn-

chrotron emission, we can estimate the magnetic field

Bmin of I Zw 1 in units of Gauss (G) through the for-

mula (e.g. Miley 1980; Patil et al. 2022)

Bmin ≈ 0.0152

[
a

frl

(1 + z)4−α

θ3

Si
να

νp+α2 − νp+α1

r(p+ α)

]2/7

(G),

(3)

where Si (in mJy) is the integrated flux density of the

source measured at frequency ν (in GHz) and angular

size θ (in mas), α is the spectral index, z is the redshift

of the source, and r is the comoving distance in Mpc.

Here we take p = 0.5, the overall spectral index α =

−0.89± 0.10 from ν1 ∼ 1 GHz to ν2 ∼ 15 GHz, a filling

factor for the relativistic plasma frl = 1 and a relative

contribution of the ions to the energy a = 2. By adopt-

ing the standard ΛCDM cosmology and using the cos-

mology calculator provided by NED 10, r = 245.7 Mpc

in this case. Here we use the integrated flux density

of 2.636 ± 0.282 mJy and the angular size of 50 mas

10 https://www.astro.ucla.edu/∼wright/CosmoCalc.html

https://www.astro.ucla.edu/~wright/CosmoCalc.html


10 Yang et al.

from the tapered VLBA 1.5 GHz image, which yield an

overall magnetic field Bmin ≈ 10−3.6 G. The magnetic

field is consistent with the typical value of e.g. CSOs

with peaked-spectrum (PS, B ∼ 10−3 G) and CSS (B ∼
10−4 G) radio sources (O’Dea 1998). On the other hand,

the total radio power of I Zw 1 is only 1021.8 W Hz−1

(from the 5 GHz EVN+e-MERLIN observational flux

density of jets, see above), which is at least 1 order

of magnitude lower than the typical sample of PS and

CSS sources (O’Dea & Saikia 2021). However, the radio

power of I Zw 1 remains higher than our recently discov-

ered CSO/PS in NGC 4293 (∼ 1020 W Hz−1, see Yang

et al. 2022c), which hold the current lower limit record of

radio power. Simultaneously, the magnetic field at com-

ponent E1 can be estimated as Bmin ≈ 10−2.9 G by using

the model-fitting results with either 1.5 GHz VLBA or

5 GHz EVN+e-MERLIN observational result.

As the promising spectral turnover of I Zw 1 must be

below 1 GHz, we can estimate the lowest allowed elec-

tron lifetime via the formula (O’Dea 1998)

t ' 8.22× B1/2

B2 +B2
R

× ((1 + z)νp)
−1/2

(yr), (4)

where B is the magnetic field in G, BR ' 4(1 + z)2 ×
10−6 G is the equivalent magnetic field of the microwave

background, and νp is the break frequency in GHz. For

I Zw 1, using values estimated above, i.e. B ≈ 10−3.6 G

and νp < 1 GHz, we find the electron lifetime is sub-

stantially > 106.3 years. Again, the estimated electron

lifetime of component E1 is > 105.2 years. Taking com-

ponent E1 as a reference (15 mas away from the core)

and assuming a typical knot advance speed of 0.1 c for

PS/CSS (O’Dea & Saikia 2021), the ejection time scale

of component E1 is only ∼ 550 years and smaller than

its electron lifetime above, therefore it suggests the knot

advance speed of I Zw 1 should be substantially slower

than 0.1 c. In stellar mass XRBs, discrete radio blobs are

produced in the ‘very high state’ or ‘super-Eddington

state’ at a time scale spanning from a few days to one

year (to the best of our knowledge, see Margon & Ander-

son 1989; Mirabel & Rodŕıguez 1994; Hjellming & Ru-

pen 1995; Fender et al. 1999; Tudose et al. 2007; Joseph

et al. 2011; Miller-Jones et al. 2012, 2019; Bright et al.

2020). The longer ejection time scale in I Zw 1 seems

consistent with its more massive nucleus than XRBs, i.e.

the ejection time scale can be scaled through the mass

of accretors, which supports the scale-invariant ejection

process in both XRBs and AGNs.

Component S in the VLBA 1.5 GHz image is a real

structure (panel b of Figure 1) as it is identified in the

1.5 GHz tapered map (panel (a) of Figure 1). The 5 GHz

EVN image fails to detect component S possibly due to

the loss of large-scale and diffuse emission. The radio

emission at component S is likely responsible for the

flux density deficit in 5 GHz (see supplementary Figure

3 in Appendix B). Furthermore, the southern bump in

the VLA image (Figure 2) mimics component S, which

requires further identification. Interestingly, component

S clearly deviates from the jet trajectory, because the

jet is along the East-West direction and extends up to

0.5 arcsec scale (see Figure 2). Here we interpret the

bending of component S as the result of jet-medium

interactions. Given that the jet direction (extending

up to ∼ 0.5 parsec) is nearly aligned with the kpc-scale

molecular disk (Tan et al. 2019; Shangguan et al. 2020)

in I Zw 1, it’s possible to support a jet-disk interaction.

On the other hand, I Zw 1 hosts strong multi-scale wide-

angle outflows: an ultrafast wind-like outflow with a ve-

locity of > 0.25 c obtained from the fitting of the iron K-

line profile (Reeves & Braito 2019), an ionized ultravio-

let gas outflow with a velocity of 1870 km s−1 (Laor et al.

1997) and X-ray outflow with velocities of∼ 2000 km s−1

(Costantini et al. 2007; Silva et al. 2018), and a neutral

gas outflow with a velocity of 45 km s−1 (Rupke et al.

2017). Given that the wide-angle outflows tend to be

perpendicular to the kpc-scale molecular disk, for ex-

ample, the neutral gas outflow (see Rupke et al. 2017,

for their Figure 13) of I Zw 1 is along the North-South

direction, therefore the component S can be a result of

jet-wind collision as well.

4. SUMMARY

In summary, AGNs with near or super-Eddington ac-

cretion rates are often discussed as a scaled-up ver-

sion of the stellar-mass black hole in the ‘very high

state’ or ‘ultraluminous state’. The observational evi-

dence of episodic jets in I Zw 1 indicates that the anal-

ogy between AGNs and XRBs might also hold in this

extreme state. Our observations imply that near or

super-Eddington and extremely radio-quiet AGNs can

also launch short-lived, small-scale, and weak jets. In

the Supplementary section, we present further analy-

sis of the radio emission in I Zw 1, which sheds light

on the long-standing question about the origin of ra-

dio emission in radio-quiet AGNs. Such a population

is important for building our understanding of jet-disc

coupling in near or super-Eddington states. There is

only one Galactic microquasar (SS 433) that exhibits

long time-scale, super-Eddington behavior and quasi-

continuous ejection (Fabrika 2004). Only a few XRBs

evolve into a near/super-Eddington state and are asso-

ciated with episodic jets (Revnivtsev et al. 2002; Fab-

rika 2004; Done et al. 2004; Miller-Jones et al. 2019),

but this phase is short-lived. Finally, the radio emis-
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sion from a handful of (extragalactic) ultraluminous X-

ray sources is too weak to be detected (Kaaret et al.

2017). The time scale of the super-Eddington state

in AGNs is longer than the canonical ‘very high state’

in XRBs according to the scaling relation, and the ra-

dio luminosity of the super-Eddington state in AGNs is

higher than that of stellar-mass black holes according to

the relation LR/LX = 10−5 (Panessa et al. 2019; Yang

et al. 2020), which is essential for testing the generic

model of jet-disc coupling for all near/super-Eddington

systems. Our findings here may indicate common fea-

tures for high-Eddington AGNs, because there are sim-

ilar knots/discrete radio blobs in jets and correspond-

ing transverse/bending structures in other sources, e.g.

NGC 4051 (Giroletti & Panessa 2009) with Eddington

ratio 0.2 (Yuan et al. 2021) and Mrk 335 (Yao et al. 2021)

with Eddington ratio 0.48-3.11 (Yang et al. 2020). Fur-

ther observational and theoretical studies will be neces-

sary to establish a comprehensive understanding of the

outflows of near/super-Eddington AGNs, and the results

obtained from this work may contribute to this goal.
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APPENDIX

A. LARGE-SCALE RADIO EMISSION

Figure 3 shows I Zw 1 has a power-law radio spectrum over the entire observed frequency range. This indicates the

dominance of synchrotron radiation, and it is not significantly affected by the size of collection areas (see supplementary

Figure 3 in Appendix B) where the intercept between the L-band and C-band lines can be regarded as the spectral

index. The overall spectral index is −0.89±0.10 and there is no significant decrease at higher frequencies, indicating a

continuous replenishment of fresh electrons (Morganti 2017). Interestingly, the spectral index at the jet edge farthest

from the core is ∼ −1.8 (Figure 4). This is inconsistent with the overall spectral index estimated for the larger area

but suggests a non-jet origin because the spectral index decreases along the jet trajectory. The large-scale flux density

is dominated by diffuse radio emission with only a fraction coming from the (parsec-scale) core region (only account

∼ 30% and ∼ 47% of radio emission from 60 kpc and ∼ 1.54 kpc scale region at 1.5 GHz, respectively). The distribution

of radio flux density can be fitted as SL = (0.85± 0.18)r0.212±0.020 and SC = (0.88± 0.02)r0.131±0.005, where SL and

SC is the L and C-band flux density in mJy, and r is the angular size in mas (see supplementary Figure 3 in Appendix

https://www.cosmos.esa.int/gaia
https://www.cosmos.esa.int/web/gaia/dpac/consortium
https://www.cosmos.esa.int/web/gaia/dpac/consortium
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Table 1. Statistical parameters for different image deconvolution algorithms.

Algorithm χ2
r d.o.f. σr σrms floss

(mJy beam−1) (mJy beam−1)

(1) (2) (3) (4) (5) (6)

L-band

Gaussian Model-fit 1.00524 3011564 0.03125 0.02735 0.14

CLEAN 1.00117 3011221 0.03012 0.02735 0.10

C-band

Gaussian Model-fit 1.000489 1418840 0.007362 0.005674 0.29

CLEAN 1.000076 1418485 0.007537 0.005672 0.32

Note—Column 1: Algorithm for deconvolution; Column 2: reduced Chi-squared
value; Column 3: degrees of freedom; Column 4: rms noise in the residual image
after subtraction of models; Column 5: off-source rms noise in the map; Column 6:
σr−σrms
σrms

, as a representative of the unrecovered flux density.

B). The VLBA 1.5 GHz emission satisfies the flux density versus collection area distribution, while the 5 GHz flux

density from our EVN+e-MERLIN observation is underestimated due to the loss of large-scale emissions.

Both star-forming activities and relativistic winds can produce large-scale radio emission (Panessa et al. 2019). Here

the star-forming activities are preferentially referred to as supernovae or supernova remnants due to the power-law

spectrum. Assuming all of the radio emission is from star-forming activities, we can estimate the star formation rate

(SFR) from radio emission by using the SFR-radio relation (formula 3 in Yang et al. 2020). The largest SFR can be

obtained from the datasets: NVSS at 1.4 GHz, AE0022 at 1.4 GHz and 4.86 GHz, and AA0048 at 14.94 GHz. These

yield a SFR of ∼ 20M� yr
−1, which is similar to other estimates (Molina et al. 2021) of ∼ 26M� yr

−1, suggesting

the large scale radio emission can be entirely due to star-forming activities. Whilst the SFR-radio relation is crude

and we can not fully rule out the contribution of wind-like outflow, the radio-emitting wind at large scales (a few

kiloparsec scales) is negligible. In addition, the radio-emitting wind is still possible at the intermediate scale (tens

of parsec scale), as there are no compact supernovae and supernova remnants detected in our VLBI and e-MERLIN

observations (e.g. Fenech et al. 2008).

B. TABULATED DATA AND SUPPLEMENTARY IMAGES
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Table 2. Summary of historical observations and results for I Zw 1.

Telescope ν Obs. ID Date TOS BW θmaj θmin P.A. Si Sp

(GHz) (min) (MHz) (arcsec) (arcsec) (degree) (mJy) (mJy beam−1)

VLA-D 1.49 AE0022† 1983-07-04 2.7 100 52.7 44.8 −14.9 8.40± 1.40 8.40± 1.17

VLA-D 1.40 NVSS∗,� 1993-11-15 0.4 50 46 46 0 8.80± 1.00 7.60± 0.46

VLA-D 1.40 AV0226 1996-09-17 238 6.2 59.2 53.4 25.0 8.43± 0.31 8.37± 0.30

VLA-D 1.40 AV0226 1996-09-28 237.5 6.2 59.6 53.5 22.5 8.25± 0.32 8.27± 0.30

VLA-C 1.49 AB0417? 1986-11-08 9.5 100 18.9 14.9 −35.1 6.68± 0.67 6.12± 0.57

VLA-C 1.34 AL0417 1997-07-18 190.8 12.5 10.2 8.83 5.19 6.45± 0.48 6.51± 0.39

VLA-C 1.34 AL0417 1997-07-24 195 12.5 11.1 8.34 −33.2 6.49± 0.41 6.17± 0.40

VLA-B 1.49 AG0173 1985-04-22 85 100 5.94 4.69 52.4 5.13± 0.73 4.19± 0.43

VLA-B 1.40 FIRST∗,◦ 2011-03-26 1 256 4.3 4.3 0 5.30± 0.24 5.05± 0.15

VLA-A 1.42 AL0502 1999-08-26 5.5 100 1.36 1.27 10.9 5.18± 0.27 6.77± 0.24

VLA-A 1.42 AK0406 1995-07-20 6.1 100 1.68 1.41 −0.62 5.17± 0.19 4.89± 0.16

VLA-A 1.42 AC0624 2002-05-02 10.5 100 1.66 1.36 −5.28 5.28± 0.16 4.90± 0.13

Arecibo 2.38 NG∗,> 1975-08-01 16 162 162 0 4.00± 4.00

VLA-BnA 2.98 VLASS1.1∗,1 2017-10-08 0.1 2048 3.06 2.28 52.7 3.71± 0.33 2.87± 0.11

VLA-BnA 2.98 VLASS2.1∗,1 2020-07-16 0.1 2048 2.68 2.37 36.6 3.63± 0.35 2.72± 0.17

VLA-D 4.86 AE0022 1983-07-04 12.7 100 12.9 11.1 −10.5 3.16± 0.18 2.27± 0.10

VLA-C 4.86 AK0298 1992-05-18 27.5 100 9.83 4.90 55.9 2.80± 0.11 1.33± 0.04

VLA-C 4.86 AB0417? 1986-11-08 9 100 5.56 4.72 −33.9 2.46± 0.15 2.47± 0.08

VLA-B 4.86 AL0454 1998-09-02 8.6 100 1.51 1.38 7.61 2.20± 0.09 2.13± 0.05

VLA-A 4.86 AK0096§ 1983-11-24 25.1 100 0.50 0.42 −29.1 1.84± 0.08 1.79± 0.04

VLA-A 4.86 AK0406 1995-07-20 9.5 100 0.49 0.41 −2.14 2.18± 0.06 2.02± 0.05

VLA-A 4.86 AC0624 2002-05-02 9.8 100 0.48 0.41 11.6 1.84± 0.09 1.85± 0.05

MERLIN 4.99 96DECA 1996-12-14 558 15 0.08 0.05 22.35 1.46± 0.22 1.43± 0.11

MERLIN 4.99 97NOVC 1997-11-06 450 15 0.08 0.04 20.04 1.51± 0.52 1.83± 0.27

VLA-B 8.46 AC0624 2002-08-09 9.8 100 0.68 0.65 20.2 1.46± 0.07 1.15± 0.03

VLA-A 8.44 AP0212 1991-06-25 14.8 100 0.26 0.24 59.7 0.94± 0.10 0.90± 0.05

VLA-A 8.44 AB0670 1992-12-04 119.3 100 0.27 0.26 −12.2 1.18± 0.03 1.09± 0.01

VLA-C 14.94 AA0048? 1985-07-28 14.5 100 1.87 1.49 −29.5 1.20± 0.46 1.20± 0.26

OVRO-40 20.00 NG∗,† 1983-07-07 400 90 90 0 < 1.90 < 1.90

VLA-C 22.46 AA0048? 1985-07-28 29 100 1.13 1.01 −48.9 < 1.91 < 1.91

VLA-A 22.46 AP0210 1991-07-02 18.5 100 0.38 0.09 −56.8 < 1.76 < 1.76

ALMA 108.64 NG∗,‡ 2016-08-01 4.0 0.57 0.46 0.49± 0.07

Note—Column 1: telescope; Column 2: frequency; Column 3: project ID and references for datasets publication (NG: Not given;
*: Original data is not available, the result is from literature); Column 4: observing date; Column 5: time-on-source; Column
6: observing bandwidth; Column 7 - 9: beam major axis, minor axis, and position angle; Column 10: integrated flux density;
Column 11: peak flux density.

Note—References: †: Edelson (1987); �: Condon et al. (1998); ?: Barvainis & Antonucci (1989) and Barvainis et al. (1996); ◦:
White et al. (1997); >:Dressel & Condon (1978); 1: Lacy et al. (2020); §: Kellermann et al. (1989); ‡: Tan et al. (2019).



14 Yang et al.

Table 3. Coordinates of the calibrator J0056+1341 and the target I Zw 1.

Observed feature α (J2000) ∆α δ (J2000) ∆δ

(h m s) (s) (◦ ′ ′′) (′′)

(1) (2) (3) (4) (5)

J0056+1341

J1 at 1.5 GHz 00:56:14.816082 0.000002 +13:41:15.76430 0.00014

J1 at 5 GHz 00:56:14.8159647 0.0000008 +13:41:15.767536 0.000039

The brightest feature at 4.34 GHz (Astrogeo) 00:56:14.8161000 0.0000002 +13:41:15.754988 0.000009

The brightest feature at 7.62 GHz (Astrogeo) 00:56:14.8160522 0.0000001 +13:41:15.755279 0.000005

I Zw 1

Gaia DR2 00:53:34.933288 0.000012 +12:41:35.9308 0.00017

The brightest feature at VLBA 1.5 GHz (E1) 00:53:34.934176 0.000015 +12:41:35.9267 0.00022

The brightest feature at EVN 5 GHz (E1) 00:53:34.934112 0.000012 +12:41:35.9275 0.00017

Note—The position errors presented here are only from random noise.

Table 4. Model-fitting results of the radio components detected in I Zw 1 with the VLBA 1.5 GHz and
EVN+e-MERLIN 5 GHz observations.

Component ν R.A.Off DEC.Off Si Size θlim,maj × θlim,min log TB

(GHz) (mas, J2000) (mas, J2000) (mJy) (mas) (mas) (K)

(1) (2) (3) (4) (5) (6) (7) (8)

C 1.548 0.55± 0.38 −1.31± 0.76 0.42± 0.05 4.5 1.60× 0.64 7.22

E1 1.548 11.67± 0.26 −3.31± 0.50 1.28± 0.08 5.1 0.92× 0.36 7.57

E2 1.548 18.60± 0.52 −6.88± 0.66 0.73± 0.07 7.2 1.21× 0.48 7.05

S 1.548 −2.12± 1.51 −17.61± 2.24 0.74± 0.10 20.0 3.06× 1.22 6.17

E3 1.548 26.25± 0.71 −2.65± 1.56 0.12± 0.05 2.4 1.20× 0.48 7.19

C 4.926 1.26± 0.21 −0.77± 0.46 0.15± 0.01 0.7 0.62× 0.22 7.29

E1 4.926 12.05± 0.27 −3.29± 0.47 0.47± 0.05 6.2 0.54× 0.19 5.97

E2 4.926 20.95± 0.98 −10.04± 1.00 0.15± 0.03 9.0 0.31× 0.11 5.17

W1 4.926 −8.85± 0.68 2.31± 0.82 0.11± 0.02 7.1 0.86× 0.30 5.26

Note—Column 1: component name; Column 2: frequency; Column 3-4: right ascension and declination
offset correspond to the Gaia DR2 position; Column 5: integrated flux density; Column 6: the angular
size of components from a Gaussian model-fit; Column 7: resolution limit along the major and minor axis
direction of the synthesized beam; Column 8: lower limit of the radio brightness temperature.
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Figure 1. Model-fitting images of the phase calibrator J0056+1341 at 1.5 GHz (panel a and b) and 5 GHz (panel
c). The images are produced using a two-dimensional Gaussian model fit with natural weights. The contours are plotted as
3σ × (−1, 1, 2, 4, 8, . . . ), where σ is the root mean square (rms) noise. The white solid curves represent positive values and the
red dashed curves represent negative values. The rms noise is 0.2 mJy/beam for both 1.5 and 5 GHz images. The model-fitting
components are superimposed as yellow circles. The grey ellipses in the bottom left corner of each panel represent the full
width at half-maximum (FWHM) of the restoring beam. The grey lines between panels c and b indicate the corresponding
components without the core-shift effect, i.e. the optically thin components.
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Figure 2. VLA A-array 8.4 GHz image of I Zw 1. Gaia DR2 position of I Zw 1 is set as the map center. The image peak
is 0.798 mJy beam−1. The contours are at 3σ × (−1, 1, 2, 2, 4, 8, . . . ) and 1σ = 0.038 mJy beam−1, where positive contours are
white and negative ones are red dashed. FWHM of restoring beam is 0.258× 0.245 arcsec at 12.7◦ and displayed as grey ellipses
in the lower-left corner. The red arrow marks a possible southern bump.
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Figure 3. The radio flux density of I Zw 1 over a collection area range from ∼0.04 to ∼50 arcsec. The integrated
radio flux densities and uncertainties of I Zw 1 in L and C-band are shown (Table 2). As I Zw 1 is not resolved in the given
observations, the synthesized beams are taken to represent the collection area. The dashed lines and belts show power-law
fittings and 95% confidence intervals, respectively, in the L (red) and C-band (green).
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In this letter, we provide the first observational evidence of substantial collisionless damping (CD)
modulation in the magnetohydrodynamic (MHD) turbulence cascade in Earth’s magnetosheath
using four Cluster spacecraft. Plasma turbulence is primarily shaped by the forcing on large scales
and damping on small scales. Based on an improved compressible MHD decomposition algorithm,
our observations demonstrate that CD enhances the anisotropy of compressible MHD modes due
to their strong pitch angle dependence. The wavenumber distributions of slow modes are more
stretched perpendicular to the background magnetic field (B0) under CD modulation compared to
Alfvén modes. In contrast, fast modes are subject to a more significant CD modulation. Fast modes
exhibit a scale-independent, slight anisotropy above the CD truncation scales, and their anisotropy
increases as the wavenumbers fall below the CD truncation scales. As a result, CD affects the
relative energy fractions in total compressible modes. Our findings take a significant step forward
in comprehending the functions of CD in truncating the compressible MHD turbulence cascade and
the consequential energy anisotropy in the wavevector space.

Introduction.— Plasma turbulence, particularly its
compressible component, plays a crucial role in numer-
ous astrophysical processes, such as the heating and ac-
celeration of solar wind, cosmic ray transport, and star
formation [1–4]. The current model of plasma turbulence
is typically characterized by a three-way process: (1) en-
ergy injection on large scales [5, 6], (2) inertial energy
cascade following some self-similar power law scaling, and
(3) dissipation caused by certain kinetic physical pro-
cesses on small scales [7, 8]. Inertial energy cascade, the
most characteristic signature of magnetohydrodynamic
(MHD), has been effectively described using incompress-
ible MHD models such as the isotropic theory (IK65)
[9, 10] and scale-dependent anisotropic turbulence the-
ory (GS95) [11]. The nearly incompressible (NI) theory
has also been used to explain some phenomena related
to compressible solar wind turbulence [12, 13]. How-
ever, compressible MHD turbulence is subjected to vari-
ous damping processes while following the inertial energy
cascade [14–17], which is still not completely understood.
Fully comprehending how damping truncates compress-
ible MHD turbulence is an inseparable piece for depicting
turbulence in real astrophysical plasma.

The anisotropy of compressible turbulence in the in-
ertial range has been extensively studied through simu-
lations and satellite observations [18, 19]. In a homoge-
neous plasma with a uniform background magnetic field
(B0), small amplitude compressible MHD fluctuations
can be decomposed into three MHD eigenmodes (namely,
Alfvén, slow, and fast modes) [20–25]. The linear in-
dependence among the three MHD eigenmodes enables

individual analysis of their statistical properties in the
small amplitude limit [21, 26]. The mode composition of
MHD turbulence significantly affects the energy cascade
and observational turbulence statistics [23, 27–29]. Based
on current compressible turbulence models, Alfvén and
slow modes are expected to follow a cascade with scale-

dependent anisotropy k‖ ∝ k
2/3
⊥ , where k⊥ and k‖ are

wavenumbers perpendicular and parallel to B0 [11, 30].
In contrast, fast modes are expected to show isotropic be-
haviors and cascade like the acoustic wave [31, 32]. These
theoretical conjectures have been confirmed by numerical
simulations [23, 26].

Earlier theoretical studies have demonstrated a strong
propagation angle dependence in collisionless and viscous
damping, influencing the three-dimensional (3D) energy
distributions [16, 33–35]. The collisionless damping (CD)
leads to the rapid dissipation of plasma waves by the
wave-particle interactions via gyroresonance or Landau
resonance. Despite theoretical predictions, direct obser-
vations demonstrating how CD modulates the statistics
of compressible MHD modes are still lacking, primarily
due to the limited satellite measurements. Thanks to
the availability of spatial information from four Cluster
spacecraft, this letter presents the first observational ev-
idence of substantial CD modulation in the compressible
MHD turbulence cascade by comparing the CD rate pre-
dicted by theory with the compressible energy distribu-
tions measured by the Cluster mission.

Overview.— Fig. 1 shows an overview of Cluster ob-
servations in Earth’s magnetosheath during 19:00-14:00
UT on 2-3 December 2003 in Geocentric Solar Ecliptic
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FIG. 1. An overview of fluctuations measured by Cluster -1.
The red bar on the top marks the interval during 23:00-10:00
UT on 2-3 December 2003. (a) Magnetic field. (b) Proton
bulk velocity. (c) Cross-check of proton density from CIS-
HIA (black), and electron density from Plasma Electron And
Current Experiment (PEACE) [36] onboard Cluster -2 (red)
and from Waves of High frequency and Sounder for Probing
of Electron density by Relaxation (WHISPER) [37] (green).
(d,e) Temperature and plasma β (the ratio between thermal
and magnetic pressures). (f) Moving-window intermediate
time series of spectral slopes (α) of trace proton velocity and
magnetic power. The horizontal dashed lines represent α =
−5/3 and −3/2. (g) δVp/VA (black) and δB/(2B0) (red),
where δVp and δB are rms proton velocity and magnetic field
fluctuations, respectively.

(GSE) coordinates. During this time interval, the Clus-
ter mission is in a tetrahedral-like configuration, with
the relative separation dsc ∼ 200km (around 3 proton
inertial length di ∼ 74km), enabling us to perform a
multi-point analysis on MHD turbulence. Performing an
MHD mode decomposition during 23:00-10:00 UT (the
red bar on the top of Fig. 1) is applicable for the follow-
ing reasons. First of all, the background magnetic field
measured by the Fluxgate Magnetometer (FGM) [38] and
proton plasma parameters measured by the Cluster Ion
Spectrometry’s Hot Ion Analyzer (CIS-HIA) [39] are rel-
atively stable, as shown in Figs. 1(a-d). Fluctuations
are approximately stationary and homogeneous based on
the analysis of correlation functions [40]. Additionally,
fluctuations are in a well-developed state, as shown in
Fig. 1(f) where the spectral slopes (αVp and αB) of the
trace proton velocity and magnetic power at spacecraft-
frequency fsc ∼ [0.001Hz, 0.1fci] range between −5/3

and −3/2 (the proton gyro-frequency fci ∼ 0.24Hz).
The trace proton velocity and magnetic power are cal-
culated through the fast Fourier transform (FFT) with
five-point smoothing in a moving time window with a
five-hour length and five-minute moving step. Further-
more, the turbulent Alfvén Mach number is MA,turb =
δVp/VA ∼ 0.3 (Fig. 1(g)), satisfying the small-amplitude
approximation. Table I provides the background param-
eters used for further analysis.

MHD mode decomposition.— We decompose the three
MHD eigenmodes by combining three methods: linear
decomposition method [21], singular value decomposition
(SVD) method [41], and multi-spacecraft timing analysis
[42]. This allows direct retrieval of energy wavenumber
distributions independent of any spatiotemporal hypoth-
esis (e.g., Taylor hypothesis [43]). We separate compress-
ible fluctuations into slow and fast modes (Alfvén modes
are analyzed in [40]) and establish 3D wavenumber dis-
tributions in each moving time window. The window
length selection (5 hours) provides low-frequency (large-
scale) measurements while ensuring B0 is approaching
the local background magnetic field.

First, we obtain wavelet coefficients of proton veloc-
ity, magnetic field, and proton density using Morlet-
wavelet transforms [42]. Second, wavevector directions

(k̂SV D(t, fsc)) are calculated using SVD of magnetic
wavelet coefficients based on the linearized Gauss’s law
for magnetism. Third, the k̂b̂0 coordinates are built by
k̂SV D, where axis basis vectors are ê‖ = b̂0 = B0/|B0|
, ê⊥1 = k̂SV D × b̂0/|k̂SV D × b̂0|, and ê⊥2 = b̂0 ×
(k̂SV D × b̂0)/|b̂0 × (k̂SV D × b̂0)|. Fourth, power spec-
tra (Pεl(t, fsc)) are estimated as the square of wavelet

coefficients in k̂b̂0 coordinates, where ε = V,B,N repre-
sents proton velocity (V ), magnetic field (B), and proton
density (N) fluctuations, and l represents ê‖, ê⊥1, and
ê⊥2. Fifth, wavevectors (k(t, fsc)) are calculated using
the multispacecraft timing analysis [44]. It is worth not-
ing that k is not entirely aligned with k̂SV D. We present
the results under η < 20◦ in the main text, where η is
the angle between k and k̂b̂0 plane.

Sixth, we construct a set of 200 × 200 × 200 bins to
obtain 3D wavenumber distributions of energy density
(Dεl(k)). In each bin, fluctuations have approximately
the same wavenumber. To cover all MHD wavenum-
bers and ensure measurement reliability, we restrict our
analysis to fluctuations with 1/(100dsc) < k < 1.1 ×
0.1/di and 2/t∗ < frest < fci, where the wavenum-

ber is k =
√
k2‖ + k2⊥, t∗ is the time window length,

frest = fsc−k ·V/2π is the frequency in the plasma flow
frame, and V is the proton bulk velocity with the space-
craft velocity being negligible. Fluctuations beyond the
wavenumber and frequency ranges are set to zero. Dεl(k)
is calculated by averaging Pεl(t, fsc) over effective time
points in all time windows and integrating over fsc.

Seventh, fast- and slow-mode velocity fluctuations in
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TABLE I. Background parameters after replacing the outliers with the linear interpolation of neighboring, non-outlier values.

Start time (UT) End time (UT) B0 (nT) Np (cm−3) VA (km/s) VS (km/s) βp VTe di fci
2003-12-02/23:00 2003-12-03/10:00 19.2 10.1 133 121 1.0 3700 74 0.24

wavevector space are calculated by

δVk,± = 〈|δVk,‖ê‖ · ξ̂± ± δVk,⊥2ê⊥2 · ξ̂±|〉, (1)

where ’+’ is for fast modes, ’−’ is for slow modes, and
angular brackets denote the time average. Using the ran-

dom phase approximation, δVk,± ∝ |
√
DV‖(k)cosζê‖ξ̂± ±√

DV⊥2
(k)sinζê‖ξ̂± |, where ζê‖ξ̂± is the angle between ê‖

and ξ̂±. Fast- and slow-mode displacement vectors are
given by [21]

ξ± ∝ (−1 + α±
√
A)k‖ê‖ + (1 + α±

√
A)k⊥ê⊥2. (2)

The unit displacement vectors are ξ̂± = ξ±/|ξ±|. The
parameter A = (1 +α)2−4αcosθ, where α = V 2

S /V
2
A, VA

is the Alfvén speed, VS is the sound speed, and θ is the
angle between k and B0. Fast- and slow-mode magnetic
field and proton density fluctuations are estimated as [21]

δBk,± = B0
δVk,±
Vph,±

|ê‖ × ξ̂±|, (3)

δNk,± = N0
δVk,±
Vph,±

k̂ · ξ̂±. (4)

The unit wavevector is k̂ = k/|k|, and N0 is the back-
ground proton density. Fast- and slow-mode phase
speeds are given by [45]

V 2
ph,± =

1

2
{(V 2

S + V 2
A)±

[(V 2
S + V 2

A)2 − 4V 2
S V

2
Acos

2θ]1/2} (5)

Finally, we calculate the energy density of fast and slow
modes Dε,± = δε2k,±. Appendix A presents more method
details. Appendix B shows that the decomposed mag-
netic field and density fluctuations (inferred from proton
velocity fluctuations via Eqs. (3,4) [21]) match those di-
rectly measured by FGM and CIS-HIA, indicating the
reliability of MHD mode decomposition.

Slow modes.— In Fig. 2(a), we observe that the nor-
malized wavenumber distributions of the proton velocity
energy of slow modes (D̂V−; color contours) are promi-
nently distributed along the k⊥ axis, suggesting a faster
cascade in the perpendicular direction. We also observe
an increase in the anisotropy of energy distributions with
the increasing wavenumbers. These observations suggest
that smaller eddies of slow modes are more elongated
along B0, in agreement with theoretical expectations and
simulation results [18, 23]. The anisotropic behaviors of
slow modes found here are roughly similar to those for
Alfvén modes, presumably because slow modes passively

FIG. 2. Slow modes. (a) Wavenumber distributions of D̂V−
(color contours) and γslow (black dashed curves). D̂V− =
DV−/DV−,max is normalized by the maximum energy den-

sity, where D̂V− less than six orders of magnitude or at
k < 5 × 10−5km−1 is set to zero. (b) Slow-mode damping
rate (γslow). The blue dotted curve in each panel marks an
isotropic contour k = 2 × 10−4km−1. The black dotted line
marks the valley line of γslow contours.

mimic Alfvén modes [21, 26]. On top of this anisotropic
contour, the D̂V− spectrum exhibits a valley contour
along the black dotted line, a notable difference from the
Alfvén-mode spectrum that steadily decreases with k⊥ at
each k‖ [40]. The anisotropy difference between slow and
Alfvén modes can be explained by the fact that collision-
less damping (CD) can affect slow modes but has little
influence on Alfvén modes [3]. To examine this expla-
nation, we estimate slow-mode theoretical damping rate
(γslow) as a function of k,

γslow =
|k|VS

2| cos θ|
(
1

8
π
me

mp
)1/2(

1− cos 2θ[(V 2
S /V

2
A) cos 2θ − 1]

[1 + V 4
S /V

4
A − 2(V 2

S /V
2
A) cos 2θ]1/2

)
(6)

using the parameters in Table I, where me and mp are
the electron and proton mass, respectively [46]. Over-
all, γslow significantly increases with k‖ and has a little
change with k⊥ in Fig. 2(b). The contours of γslow (black
dashed curves), which is also superposed in Fig. 2(a),
perfectly align with the color contours of the D̂V− spec-
trum along the black dotted line. It suggests that CD can
modulate energy distributions of slow modes, and the CD
modulation is expected to be more prominent at larger
k‖ due to the increase of γslow. Therefore, wavenumber
distributions of slow modes are more stretched perpen-
dicular to B0 under CD modulation compared to Alfvén
modes.

To further estimate the anisotropy of fast (+) and slow
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FIG. 3. The relation between the anisotropy of energy distri-
butions (R± estimated by Eq. (7)) and collisionless damping
rates. (a) R− versus γslow,‖. (b) R+ versus γfast,⊥. The red
dashed lines represent the power-law fits.

(−) modes, we define a parameter

R±(k
′
) =

DV±(k⊥ = k
′
)

DV±(k‖ = k′)
(7)

for a given wavenumber k
′
, where the reduced perpendic-

ular and parallel wavenumber distributions of the energy
density are calculated by

Dε±(k⊥) ∼
k‖=kupp∑
k‖=klow

Dε±(k⊥, k‖), (8)

Dε±(k‖) ∼
k⊥=kupp∑
k⊥=klow

Dε±(k⊥, k‖). (9)

The integral upper and lower limits are kupp = 0.1/di ∼
1.4×10−3km−1 and klow = 1/(100dsc) ∼ 5×10−5km−1.

Fig. 3(a) shows a strong correlation between
log10R−(k

′
) and log10γslow,‖(k

′
) with the correlation

coefficient of 0.92, where the parallel damping rate
γslow,‖(k

′
) is calculated by averaging γslow(k⊥, k‖ = k

′
)

over k⊥ for a given wavenumber k
′
. Moreover, the pos-

itive index of power-law fit (0.48 ± 0.23) indicates that
more significant anisotropy of slow modes corresponds to
larger values of γslow along B0.
Fast modes.— Different from slow modes, fast modes

exhibit CD truncation scales (kc) which are obtained by
equating the fast-mode cascading rate (τ−1fast) and damp-
ing rate (γfast), marked by the yellow line in Fig. 4(a).
τ−1fast is defined as (k/L0)1/2δV 2

0 /Vph,+ [35], where the
injection fluctuating velocity δV0 is ∼ 40km/s, the cor-
relation time determined by correlation functions Tc is
∼ 2300s, and thus the injection scale L0 is ∼ 9.2×104km.
Fig. 4(b) shows that wavenumber distributions of τ−1fast
present an anisotropy independent of scales. When Vph,+
(∼ 100 − 200km/s) is much less than the electron ther-
mal speed VTe (∼ 3700km/s), the fast-mode theoretical
damping rate can be estimated as

γfast =
|k|VS

2| cos θ|
(
1

8
π
me

mp
)1/2(

1 +
cos 2θ[(V 2

S /V
2
A) cos 2θ − 1]

[1 + V 4
S /V

4
A − 2(V 2

S /V
2
A) cos 2θ]1/2

)
(10)

using the parameters in Table I [46]. Fig. 4(c) shows that
γfast sharply enhances with increasing k⊥ and is up to
0.9rad/s in the bottom right corner where θ approaches
90◦, indicating that fast modes undergo more severe CD
damping and rapid dissipation at larger k⊥ and larger θ.

We superpose the contours of τ−1fast (black solid curves)
and γfast (purple dashed curves) on the normalized
wavenumber distributions of the proton velocity energy
of fast modes (D̂V+; color contours) in Fig. 4(a). The
D̂V+ spectrum roughly agrees with the contours of τ−1fast
on the left side of the yellow line (above kc; τ−1fast > γfast)

at k < 2 × 10−4km−1 (blue dotted curve). The scale-
independent, slight anisotropy of the D̂V+ spectrum sug-
gests that fast-mode energy distributions do not depend
heavily on B0, consistent with numerical simulations of
fast modes [21, 23]. In contrast, at k > 2×10−4km−1, the
inverted triangular shape of the D̂V+ spectrum (narrow-
ing down at smaller k‖) is generally compatible with the
triangle contours of γfast on the right side of the yellow
line (below kc; τ−1fast < γfast), implying the crucial role
of γfast in shaping fast-mode energy spectrum. These
findings support that energy distributions of plasma tur-
bulence are shaped by the forcing on large scales and
damping on small scales.

Fig. 3(b) shows that the correlation coefficient between
log10R+(k

′
) and log10γfast,⊥(k

′
) is 0.90, and their power-

law fit is 1.05 ± 0.26, where the perpendicular damp-
ing rate γfast,⊥(k

′
) is obtained by averaging γfast(k⊥ =

k
′
, k‖) over k‖ for a given wavenumber k′. This strong

correlation between CD and anisotropy of fast modes fur-
ther indicates that CD plays an increasingly important
role in shaping the energy distributions of fast modes as
k⊥ increases.

The relative energy fractions in the total energy of com-
pressible modes.— Fig. 5 shows the fast-mode energy
normalized to the total energy of compressible modes as
a function of k⊥ and θ, which is defined as Ffast,ε =

Dε+
Dε++Dε−

. In Fig. 5(a), the fraction of fast-mode energy

for the three parameters (ε = V,B,N) decreases as k⊥ in-
creases. The similar tendency of the three ratios suggests
that CD of compressible modes plays a comparable role
at varying k⊥, despite their different energy fractions.
Meanwhile, Fig. 5(b) demonstrates that fast modes dom-
inate magnetic field fluctuations, whereas slow modes
dominate proton density fluctuations at small θ. As θ
increases, the energy fractions of the three parameters
gradually become comparable. Moreover, the linear de-
crease of Ffast,V as θ increases is consistent with higher
γfast at larger θ. The different angle dependencies in
Ffast,B and Ffast,N can be attributed to the angle de-
pendencies in the calculations of their fluctuations from
proton velocity fluctuations via Eqs. (3,4).

Summary.— This letter presents the first observational
proof of substantial CD modulation in the MHD turbu-
lence cascade. Utilizing an improved MHD mode de-
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FIG. 4. Fast modes. (a) Wavenumber distributions of D̂V+ (color contours), τ−1
fast (black solid curves), and γfast (purple

dashed curves). To facilitate the comparison, the velocity energy spectrum is normalized by the same constant as slow modes

in Fig. 2(a). D̂V+ less than six orders of magnitude or at k < 5×10−5km−1 is set to zero. The yellow line marks the fast-mode
CD truncation scales. (b) Fast-mode cascading rate (τ−1

fast). (c) Fast-mode damping rate (γfast). The blue dotted curve in

each panel marks an isotropic contour k = 2 × 10−4km−1.

FIG. 5. Fast-mode energy fractions in the total energy of
compressible modes. (a) Ffast,ε(k⊥) versus k⊥. (b) Ffast,ε(θ)
versus θ. Blue, red, and yellow curves represent energy frac-
tions of proton velocity (V ), magnetic field (B), and proton
density (N), respectively. The black dashed curves represent
the power-law fits of Ffast,ε(k⊥) or linear fit of Ffast,V (θ).

composition technique, we are able to obtain wavenum-
ber distributions of slow and fast modes via four Cluster
spacecraft measurements in Earth’s magnetosheath. Our
findings are summarized below:

(1) Wavenumber distributions of slow modes are more
stretched perpendicular to B0 under CD modulation
compared to Alfvén modes. In contrast, fast modes are
subject to a more significant CD modulation. Fast modes
exhibit a scale-independent, slight anisotropy above the
CD truncation scales, and their anisotropy increases as
the wavenumbers fall below the CD truncation scales,
which provides the first observational support for the en-
ergy distributions of plasma turbulence shaped by damp-
ing on small scales.

(2) Due to the strong pitch angle dependence, CD in-
creases the slow-mode anisotropy along B0, whereas CD
increases the fast-mode anisotropy perpendicular to B0.

(3) Fast-mode energy fractions in the total energy of
compressible modes (Ffast,V ) presents scale- and angle-
dependent behaviors, which decrease as k⊥ (or θ) in-

creases.

These observational results are consistent with theo-
retical expectations [16, 35], which improves understand-
ing of the role of CD in the cascade of compressible tur-
bulence and the corresponding energy transfer, particle
transport, and particle energization.

We would like to thank the members of the Cluster
spacecraft team and NASA’s Coordinated Data Anal-
ysis Web. The Cluster data are available at https:

//cdaweb.gsfc.nasa.gov. Data analysis was performed
using the IRFU-MATLAB analysis package available at
https://github.com/irfu/irfu-matlab. K.H.Y ac-
knowledge the support from the Laboratory Directed Re-
search and Development program of Los Alamos National
Laboratory under project number(s) 20220700PRD1.

Appendix A: Supplementary details of MHD mode
decomposition

First, to eliminate the edge effect resulting from finite-
length time series, we perform wavelet transforms twice
the length of the studied period and cut off the affected
periods. Second, the wavevector directions calculated by
SVD and background magnetic field are averaged over
four Cluster spacecraft: kSV D = 1

4

∑
i=1,2,3,4 k̂SV D,Ci

and B0 = 1
4

∑
i=1,2,3,4 B0,Ci. Ci denotes the four Clus-

ter spacecraft. Third, k̂SV D = kSV D/|kSV D| and b̂0 =

B0/|B0| are used to build k̂b̂0 coordinates, as shown in
Fig. 6(a). Fourth, in the analyzed interval, magnetic field
data are measured by four Cluster spacecraft, whereas
proton plasma data are only available on Cluster -1.
Thus, the magnetic power is calculated by PBl(t, fsc) =
1
4

∑
i=1,2,3,4WBl,CiW

∗
Bl,Ci

. The proton velocity and den-
sity power are calculated by PVl(t, fsc) = WVl,C1W

∗
Vl,C1

and PN (t, fsc) = WN,C1W
∗
N,C1. WVl , WBl , and WN rep-

https://cdaweb.gsfc.nasa.gov
https://cdaweb.gsfc.nasa.gov
https://github.com/irfu/irfu-matlab
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resent wavelet coefficients of proton velocity, magnetic
field, and proton density fluctuations. The subscript l
represents ê‖, ê⊥1, and ê⊥2 directions.

Notice that SVD does not give the magnitude of
wavevectors. Therefore, in our fifth step, we utilize the
multispacecraft timing analysis based on phase differ-
ences between magnetic wavelet coefficients from four
spacecraft to determine the wavevectors (kBl(t, fsc)) [44].
We interpolate plasma and magnetic field data to a uni-
form time resolution of 23samples/s, to ensure suffi-
cient resolutions for the timing analysis. The phase
differences are determined by six cross-correlations for
the magnetic field [42], i.e., W 12

Bl
= 〈WBl,C1W

∗
Bl,C2〉,

W 13
Bl

= 〈WBl,C1W
∗
Bl,C3〉, W 14

Bl
= 〈WBl,C1W

∗
Bl,C4〉,

W 23
Bl

= 〈WBl,C2W
∗
Bl,C3〉, W 24

Bl
= 〈WBl,C2W

∗
Bl,C4〉, and

W 34
Bl

= 〈WBl,C3W
∗
Bl,C4〉. The angular brackets denote a

time average over 256s, to obtain reliable phase differ-
ences. kBl calculated by l (ê‖, ê⊥1, and ê⊥2) compo-
nents of the magnetic field is assumed to have no mutual
effects at each t and fsc. To simplify, we shall write k as
a shorthand notation for kBl . It is worth noting that k is

not entirely aligned with k̂SV D. Fig. 7 shows wavenum-
ber distributions of proton velocity energy density under
η < 10◦, η < 20◦, and η < 30◦, where η is the angle
between k and k̂b̂0 plane. We report that the anisotropic
signature of fast modes is more prominent when we relax
the constraints on η. It may be because the mode de-
composition between slow and fast modes becomes more
incomplete when using a more relaxed η constraint. Nev-
ertheless, the main properties of energy spectra of slow
and fast modes do not significantly change with the in-
crease of η.

FIG. 6. (a) Schematic of k̂b̂0 coordinates determined by k̂SVD
and b̂0. The red, blue, and green arrows represent the unit
displacement vectors of Alfvén, slow, and fast modes. (b) The
composition of magnetic field fluctuations (purple arrow line).
The yellow dashed line marks the wave front.

Appendix B: Examination of MHD mode
decomposition

According to the linearized induction equation, the
magnetic field within k̂b̂0 plane fluctuates along k̂×(ê‖×

k̂) (along the wave front; yellow dashed line in Fig. 6(b)).
The observed magnetic field fluctuations are given by

δBobs= 〈|δBk,‖ê‖ · (k̂× (ê‖ × k̂))−
δBk,⊥2ê⊥2 · (k̂× (ê‖ × k̂))|〉. (11)

Using the random phase approximation, δBobs ∼√
DB‖ ê‖ ·(k̂×(ê‖× k̂))−

√
DB⊥2

ê⊥2 ·(k̂×(ê‖× k̂)). The

density fluctuations are approximated by δNobs ∼
√
DN .

Fig. 8 shows that the decomposed magnetic field and
density fluctuations (inferred from proton velocity fluc-
tuations using Eqs. (3,4) [21]) are roughly consistent with
those directly measured by FGM and CIS-HIA. Thus, the
results of MHD mode decomposition are reliable.

FIG. 7. Wavenumber distributions of proton velocity fluc-
tuations under η < 10◦ (a,b), η < 20◦ (c,d), and η < 30◦

(e,f). (a,c,e) slow-mode spectra. (b,d,f) fast-mode spectra.
All spectra are normalized with the maximum energy density
to facilitate comparison, where D̂ε± less than six orders of
magnitude or in the bottom left corner (k < 5 × 10−5km−1)
is set to zero. The blue dotted curve in each panel marks an
isotropic contour k = 2 × 10−4km−1.
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ABSTRACT
The recent discovery of new Active Galactic Nuclei (AGN) at 𝑧 > 4 with JWST is revolutionising the black hole (BH) landscape
at cosmic dawn, unveiling for the first time accreting BHs with masses of 106 − 107M�. To date, the most distant reside
in CEERS-1019 at 𝑧 = 8.7 and GNz11 at 𝑧 = 10.6. Given the high rate of newly discovered high-z AGNs, more than 10
at 𝑧 > 4, we wonder: are we really surprised to find them in the nuclei of 𝑧 ∼ 5 − 11 galaxies? Can we use the estimated
properties to trace their origin? In this work, we predict the properties of 4 < 𝑧 < 11 BHs and their host galaxies considering
an Eddington-limited (EL) and a super-Eddington (SE) BH accretion scenario, using the Cosmic Archaeology Tool (CAT), a
semi-analytical model for the formation and evolution of 𝑧 > 4 AGNs and galaxies. We then calculate the transmitted spectral
energy distribution of CAT synthetic candidates, representative of the estimated BH properties in CEERS-1019 and GNz11. We
find that the estimated luminosity of high-z JWST detected AGNs are better reproduced by the SE model, where BHs descend
from efficiently growing light and heavy seeds. Conversely, the host galaxy stellar masses are better matched in the EL model, in
which all the systems detectable with JWST surveys JADES and CEERS appear to be descendants of heavy BH seeds. Our study
suggests an evolutionary connection between systems similar to GNz11 at 𝑧 = 10.6 and CEERS-1019 at 𝑧 = 8.7 and supports
the interpretation that the central point source of GNz11 could be powered by a super-Eddington (_Edd ' 2 − 3) accreting BH
with mass 1.5 × 106M�, while CEERS-1019 harbours a more massive BH, with 𝑀BH ' 107𝑀�, accreting sub-Eddington
(_Edd ' 0.45 − 1), with a dominant emission from the host galaxy.

Key words: galaxies: active – galaxies: formation – galaxies: evolution – galaxies: high redshift – quasars: supermassive black
holes – black hole physics

1 INTRODUCTION

Understanding how galaxies form and evolve in the first billion years
of cosmic evolution is one of the driving science objectives of the
recently launched JWST. With its unprecedented sensitivity, JWST
has already started to revolutionise the field. JWST/NIRCam obser-
vations have enabled to detecting galaxies at 𝑧 & 10 (Castellano
et al. 2022; Labbe et al. 2022; Naidu et al. 2022b; Atek et al. 2023;
Tacchella et al. 2022, 2023), providing the first observational con-
straints on the UV luminosity function and star formation history
in the first 500 Myr of the Universe (Donnan et al. 2023; Harikane
et al. 2022), showing a surprising lack of evolution in the number
density of bright galaxies at 𝑧 & 10. While some of these sources
must be interpreted with caution, given their possible confusion with
dusty, star-forming galaxies at 𝑧 ∼ 5 (Zavala et al. 2023; Naidu et al.
2022a; Arrabal Haro et al. 2023), JWST is showing that galaxies
in the early Universe are characterized by a diversity of properties
(Barrufet et al. 2022; Whitler et al. 2023), including unexpectedly
strong dust obscuration at 8 < 𝑧 < 13 (Rodighiero et al. 2023),
and massive quiescent galaxies at 3 < 𝑧 < 5 (Carnall et al. 2023).

★ E-mail: raffaella.schneider@uniroma1.it

JWST/NIRSpec observations have spectroscopically confirmed sev-
eral tens of these systems (see Nakajima et al. 2023 and references
therein), including galaxies at 10 ≤ 𝑧 ≤ 13.2 (Curtis-Lake et al.
2022; Robertson et al. 2023; Bunker et al. 2023; Arrabal Haro et al.
2023). Most of these galaxies show strong nebular lines, indicative of
extreme excitation conditions, with high ionization parameters and
low-metallicities (Curti et al. 2023; Cameron et al. 2023; Sanders
et al. 2023a,b).
Interestingly, the spectra of some of these galaxies reveal the pres-

ence of broad permitted lines (H𝛼, H𝛽, H𝛾), consistent with be-
ing emitted from the Broad Line Region (BLR) of weak Active
Galactic Nuclei (AGNs). Two systems with estimated BH masses
of 𝑀BH ∼ 107𝑀� have been reported by Kocevski et al. (2023):
CEERS-1670 at 𝑧 = 5.2, and CEERS-3210 at 𝑧 = 5.6, the latter
being a heavily obscured AGN caught in a transition phase between
a dust-obscured starburst and an unobscured quasar, similar to the
transitioning quasar GNz7q at 𝑧 ∼ 7.19 reported by Fujimoto et al.
(2022). Übler et al. (2023) identified an AGN in the compact galaxy
GS-3073 at 𝑧 = 5.6, estimating a BHmass of ∼ 108𝑀� . Finally, Lar-
son et al. (2023) reported the discovery of CEERS-1019, an accreting
black hole with mass 𝑀BH ∼ 107𝑀� at 𝑧 = 8.7, and Maiolino et al.
(2023) argued that the 𝑧 = 10.6 galaxyGNz-11 (Tacchella et al. 2023;

© 2023 The Authors
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Bunker et al. 2023) hosts a nuclear BHwith mass𝑀BH ∼ 2×106𝑀�
accreting at super-Eddington rates. The new extensive analysis of
JWST/NIRSpec observations of GNz11 presented in Maiolino et al.
(2023) suggests extremely high gas densities, typical of the BLR of
AGNs, and disfavour the Wolf Rayet (WR) scenario (Senchyna et al.
2023) as WR stars alone can not account for many observed spectral
properties.
A statistical census of broad H𝛼 emission line systems among

185 galaxies at 3.8 ≤ 𝑧 ≤ 8.9 confirmed with NIRSpec has led to
the discovery of 10 type-1 AGNs (corresponding to ∼ 5% of the
sample) with masses 𝑀BH ∼ 106 − 107𝑀� at 𝑧 = 4 − 6.9 (Harikane
et al. 2023), two of which are the systems reported by Kocevski et al.
(2023). It is important to note that broad emission lines can also
be powered by mergers or outflows, but in these cases broad lines
are seen both in permitted and forbidden lines, unlike these JWST
sources, whose spectra show the typical narrow–forbidden/broad–
permitted duality of AGNs.
Given the high rate of faint AGNs discovered with JWST, two

questions naturally arise:
Are we surprised to find these hidden little monsters1 in the hearth
of galaxies at 𝑧 ∼ 5 − 11? And can we use their estimated properties
to constrain the nature and growth of the first BH seeds?

2 GREAT EXPECTATIONS AND AMAZING
CONFIRMATIONS

The recent discovery of more than 10 new AGNs at 𝑧 > 4 in ongoing
surveys with JWST, including two systems at 𝑧 = 8.7 and 𝑧 = 10.6,
is an amazing confirmation of the rich BH landscape at cosmic dawn
predicted by theoretical models.
The existence of hundreds of quasars at 6 ≤ 𝑧 ≤ 7.64 (see Fan et al.

2022 for a recent review, and Bañados et al. 2018; Yang et al. 2020
and Wang et al. 2021 for the three systems that mark the current
quasars redshift frontier at 𝑧 = 7.54, 7.52 and 7.64, respectively)
show that 109 − 1010𝑀� super massive black holes (SMBHs) are
able to form in ∼ 700Myr, by efficiently growing mass onto smaller
black hole seeds (see Volonteri et al. 2021 and Inayoshi et al. 2020
for recent reviews).
The nature of BH seeds is still largely unconstrained. Astrophysical

BH seeds have been proposed to form in different flavours: light BH
seeds with masses up to a few ∼ 100𝑀� may be the remnants of
massive Population III (Pop III) stars; heavyBH seeds with masses of
∼ 104 − 105𝑀� may form by the direct collapse of a Super Massive
Star (SMS); medium weight BH seeds, with masses ∼ 103𝑀� may
result from runaway stellar or black hole collisions in dense stellar
clusters. The physical conditions enabling the formation of BH seeds
are tightly linked to gas cooling, heating, and accretion in metal-
poor environments, and their occurrence goes hand-in-hand with the
formation of early cosmic structures.
Theoretical models which attempt to incorporate a self-consistent

BH seeding prescription find that the genealogy of SMBHs with
masses > 109𝑀� powering quasars at 𝑧 ∼ 6 is characterized by a
rich variety of BH seed progenitors (see e.g. Volonteri & Natarajan
2009; Valiante et al. 2016; Ricarte & Natarajan 2018; Spinoso et al.
2022). Only a small fraction (< 10 − 20%) of BH seeds efficiently
grow and contribute to the mass of the most massive SMBHs at
𝑧 > 6 (Sassano et al. 2021), while the vast majority experience

1 We use here a definition taken from the title of the paper by Kocevski et al.
(2023), which reads Hidden Little Monsters: Spectroscopic Identification of
Low-Mass, Broad-Line AGN at 𝑧 > 5 with CEERS.

a more quiet evolution and populate the low-end of the mass and
luminosity function, which potentially encode information on their
growth mode (Trinca et al. 2022).

2.1 Expected number of JWST detectable AGNs and challenges
to their detection

Within a scenario where SMBHs at 𝑧 ∼ 6 originate from the
Eddington-limited growth of light and heavy BH seeds, Valiante
et al. (2018) find that efficiently growing heavy BH seed progeni-
tors are within the sensitivity limit of NIRCam2 out to 𝑧 ∼ 16. The
number of detectable seeds depends on the survey area and on the
degree of obscuration. Trinca et al. (2023b) estimate that, in a sur-
vey like CEERS, between 48 to 175 AGNs with BH masses in the
range 𝑀BH = [106 − 108]𝑀� would be observable at 5 ≤ 𝑧 < 7,
and between 8 to 21 at 7 ≤ 𝑧 ≤ 10. JADES-Deep is expected to
find between 12 to 63 AGNs with with BH masses in the range
𝑀BH = [104 − 106]𝑀� at 7 ≤ 𝑧 ≤ 10, and between 5 to 32 at
𝑧 & 10. These numbers are fully consistent with ongoing detections
(Harikane et al. 2023; Larson et al. 2023, Maiolino et al. 2023),
a great confirmation of the amazing capabilities of JWST, and are
predicted to be even larger in models accounting for phases of super-
Eddington accretion (Madau et al. 2014; Lupi et al. 2014; Volonteri
et al. 2015; Pezzulli et al. 2016), although in this regime BH growth
is very intermittent, as suggested by high-resolution hydrodynamical
simulations (Regan et al. 2019; Massonneau et al. 2023; Sassano
et al. 2023).
It is important to stress, however, that the theoretical predictions

reported above have been estimated only on the basis of the flux
limits and area coverage of ongoing JWST surveys, without estimat-
ing the contamination of the host galaxy and how this hampers the
AGN identification. A common feature of faint AGNs discovered by
JWST is that their identification relied on the detection of broad hy-
drogen (and in some cases helium) permitted lines, while their colors
are hardly distinguishable from a metal-poor star forming galaxies,
and often dominated by the stellar continuum of their host galaxies.
Prior to the spectroscopic confirmation by Kocevski et al. (2023),
CEERS-1670 was suggested to be either a strong broad-line emit-
ter or a super-Eddington accreting BH by Onoue et al. (2023) (the
source was named CEERS-AGN-z5-1 in this study), on the basis of
spectral fitting of deep NIRCam photometry (complemented by addi-
tional CFHT, HST and Spitzer photometric data) and its point-source
morphology; however, the possibility of an extremely young galaxy
with moderate dust attenuation was not completely ruled out. In ad-
dition, Harikane et al. (2023) report that high-resolution HST and
JWST/NIRcam images of 7 out of 10 faint AGNs identified as broad
H𝛼 emission line systems show extended morphologies, indicating
a significant contribution to the total light from their host galaxies.
Hence, commonly adopted color-color selection techniques that have
been developed (Barrow et al. 2018; Natarajan et al. 2017; Volonteri
et al. 2017; Valiante et al. 2018; Trussler et al. 2022; Goulding &
Greene 2022) would not be able to identify these systems, unless the
BH is overmassive and the AGN provides a dominant contribution
to the total emission of the galaxy (Volonteri et al. 2023). In addi-
tion, Kocevski et al. (2023); Übler et al. (2023); Larson et al. (2023),
and Harikane et al. (2023) show that these JWST discovered AGNs
would not be classified as such using standard spectral diagnostic

2 This estimate was based on the photometric performance requirements of
the instrument, namely the point source faintest fluxes that can be obtained at
a signal-to-noise ratio SNR = 10 in a 10 ks integration (Valiante et al. 2018).

MNRAS 000, 1–11 (2023)
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techniques based on narrow line ratios that are commonly adopted
to discriminate galaxies dominated by the AGN emission or by stel-
lar emission, such as the BPT diagram (Baldwin et al. 1981) or the
OHNO diagram (Backhaus et al. 2022). In fact, in the BPT diagram
they occupy the region with high [OIII]/H𝛽 and low [NII]/H𝛼, sim-
ilar to other high-𝑧 galaxies without broad line emission (Nakajima
et al. 2023; Sanders et al. 2023a) and within the 𝑧 ∼ 0 classical star
forming regions. Similarly, in the OHNO diagram, the systems lie
in the AGN region of the diagram but overlap with other high-𝑧 star
forming galaxies (Trump et al. 2023). The observed line-ratios of all
these systems are consistent with what predicted by photo-ionization
models with low metallicity and high ionization parameters, and al-
ternative diagnostic diagrams have been proposed to separate stellar
emission from AGN emission in these early galaxies, such as the
EW(HeII_4686) vs HeII_4686/H𝛽 diagram (Nakajima & Maiolino
2022), where the source GS-3073 is compatible with an AGN and
clearly separated from star forming galaxies (Übler et al. 2023).
What are the physical properties of JWSTdetectable BH seeds, and

can we identify - among the simulated samples - systems that could
represent synthetic counterparts of the currently two most distant
AGNs, namely CEERS-1019 at 𝑧 = 8.7 (Larson et al. 2023) and
GNZ-11 at 𝑧 = 10.6 (Maiolino et al. 2023)?

2.2 Expected properties of JWST detectable AGNs

We base our investigation on the Cosmic Archaeology Tool (CAT)
model presented in Trinca et al. (2022) (hereafter T22). CAT is a
semi-analytical model that runs on a sample of dark matter (DM)
halo merger histories at 4 ≤ 𝑧 ≤ 30 generated through the galaxy
formation model GALFORM (Cole et al. 2000; Parkinson et al.
2008) based on the Extended Press Schechter theory (EPS)3. We
adopt a redshift dependent mass resolution that corresponds to a DM
halo virial temperature of 1200 K, and we simulate the formation
histories of [109 − 1014] 𝑀� DM halos at 𝑧 = 4 by sampling this
mass interval into 11 logarithmically spaced bins, and by generating
- for each bin - 10 independent merger trees. This allows us to follow
the co-evolution between nuclear BHs and their host galaxies all the
way from the formation of the first stars and their BH remnants in
the star forming molecular-cooling halos at 𝑧 & 20− 30, down to the
assembly of systems hosting bright quasars at 𝑧 . 7.5.
CAT has been used to explore observational imprints of light and

heavy BH seeds and their growth mode on the redshift evolution of
the BH mass and luminosity functions (see T22), their detectability
within ongoing JWST surveys (Trinca et al. 2023b), the nature of UV-
bright galaxies detected by JWST at 𝑧 ≥ 10 (Trinca et al. 2023a), and
the expected imprints of the first stellar populations and accreting
BH seeds on the global 21cm signal at cosmic dawn (Ventura et al.
2023).
Herewe consider CATpredictions for two alternativeBHaccretion

models: in the first model, the accretion onto light and heavy BH
seeds is Eddington-limited (EL, themodel referred to as the reference
model in T22); in the second model, light and heavy BH seeds can
accrete at super-Eddington rates in short phases triggered by galaxy
major mergers (SE, the model referred to as merger driven model
in T22). The adopted BH seeding prescriptions are the same as in
T22: light BH seeds form as remnants of Pop III stars in metal poor
star forming regions with metallicity 𝑍 < 𝑍cr = 10−3.8𝑍� , and their

3 We assume a Lambda cold dark matter (ΛCDM) cosmological model with
the following parameters: ΩΛ = 0.685, ΩM = 0.315, ℎ = 0.674, Ωb = 0.05
(Planck Collaboration et al. 2018).

masses ranges from 10s to 100s 𝑀� , depending on the Pop III star
formation efficiency4. Heavy BH seeds are assumed to form with
a constant mass of 105𝑀� from the collapse of SMSs in atomic-
cooling halos ( 𝑇vir ≥ 104 K), when metal and dust cooling is still
inefficient (𝑍 ≤ 𝑍cr), and when molecular cooling is suppressed by
a strong illuminating LW flux5.

BH masses and luminosities of AGNs detectable by JADES and
CEERS at 5 . 𝑧 . 11 are shown in Fig. 1. In each panel, the BH
population at the given redshift is shown by yellow points, while sys-
tems with luminosity brighter than the limiting magnitude of JADES
and CEERS surveys are circled in violet and turquoise, respectively.
Hence, turquoise points mark systems that can be observed by both
surveys, while violet points mark systems that can only be detected
by JADES. The upper and lower panels show, respectively, the sys-
tems predicted by CAT in the EL and SE models.
At all redshifts, the systems detectable by JADES extend to lower
BHmasses and luminosities, as expected by the fainter limiting mag-
nitude of the survey compared to CEERS (Trinca et al. 2023b). In
both models, the bolometric luminosity increases with BH mass, but
with some discontinuities: in the EL model, BHs descending from
light seeds grow very inefficiently, and their masses and luminosi-
ties remain . 104𝑀� and Log(𝐿bol) [erg/s] . 39.5 at all redshifts.
Above this mass and luminosity, there appears to be a mass gap, as
- by construction - the minimum heavy BH seed mass adopted in
CAT is 𝑀BH = 105𝑀� (gray vertical lines). While this gap could
be filled if a more continuous distribution of initial BH seeds masses
were adopted (see e.g. Ferrara et al. 2014; Sassano et al. 2023)6, in
the present version of the EL model all the systems detectable with
JADES and CEERS appear to be descendants of heavy BH seeds (see
T22 for a discussion on the consequences of the adopted accretion
model on the evolution of the BH mass and luminosity functions).
In the SE model, even light BH seeds grow more efficiently and

the mass gap disappears7. However, there is a luminosity gap, with
two disjoint, parallel diagonal tracks, reflecting the short duration
of the SE phase, which shift part of the systems on the upper track.
The comparison with the diagonal dashed lines shows that systems
on the upper track are characterized by Eddington ratios in the range
1 . _Edd = 𝐿bol/𝐿Edd . 10, while systems on the lower track have
_Edd . 0.01 − 0.1, smaller than in the EL model. The upper track
becomes progressively less populated with cosmic time, due to the
decreasing number of galaxy major mergers and their decreasing gas
content (see also Pezzulli et al. 2016 for a similar finding).
As expected, in the SE model the number of detectable systems

is larger than in the EL model, particularly at the highest redshift,
where most of the systems are detectable when accreting at SE rates.
Since BH growth is faster in the SE model, CEERS and JADES are

4 Pop III stars are stochastically sampled in the mass range 10𝑀� ≤ 𝑚∗ ≤
300𝑀� from a Larson initial mass function with a characteristic mass of
𝑚ch = 20𝑀� .
5 The latter condition is usually expressed as 𝐽LW ≥ 𝐽cr = 300, where 𝐽LW
is the cumulative flux into the Lyman-Werner energy band in units of 10−21
erg s−1 cm−2 Hz−1 sr−1 (see T22).
6 Medium weight BH seeds with masses ∼ 103𝑀� are predicted to form by
runaway collisions in the dense stellar clusters (Omukai et al. 2008; Devecchi
& Volonteri 2009; Devecchi et al. 2012), and a more continuous distribution
between medium weight and heavy BH seeds is found within the super-
competitive accretion model recently explored by Chon & Omukai (2020).
7 We note here that in our merger-driven SE accretion model light BH seeds
grow more efficiently than predicted by other studies (see e.g. Smith et al.
2018). We will return to this point in section 3.

MNRAS 000, 1–11 (2023)



4 Schneider et al.

Figure 1. BH masses and bolometric luminosities predicted by CAT (T22) at 5 . 𝑧 . 11 assuming the Eddington limited model (EL, top row) and the
super-Eddington model (SE, bottom row), where BHs can accrete at super-Eddington rates in short phases triggered by galaxy major mergers. In each panel, light
yellow points represent all the systems at the corresponding redshift, while systems with a luminosity above the limiting sensitivity of JADES and CEERS are
circled in violet and turquoise, respectively. The diagonal dashed lines show reference values of _Edd = 𝐿bol/𝐿Edd = 0.01, 0.1, 1, and 10, and the vertical gray
lines mark the initial heavy BH seeds mass adopted in CAT (105𝑀�). We also show the luminosities and BH masses identified in JWST surveys by Kocevski
et al. (2023) (yellow pentagons at 𝑧 ∼ 5), Übler et al. (2023) (blue star at 𝑧 ∼ 5), Harikane et al. (2023) (orange empty stars at 𝑧 ∼ 5 and ∼ 7), Larson et al. (2023)
(red star at 𝑧 ∼ 9), and Maiolino et al. 2023 (yellow star at 𝑧 ∼ 11). The properties of some of the observed systems at 𝑧 ∼ 5 are consistent with predictions of
the EL model, but the luminosity and BH masses of the remaining systems at 𝑧 ∼ 5 and of most of the systems at 𝑧 & 7 are better reproduced in the SE model.

predicted to observe systems with a broader range of BH masses,
at all redshifts, with JADES reaching the limit of the initial heavy
BH seed mass at 𝑧 . 11, with a few systems even crossing this
limit at 𝑧 ∼ 7 − 9. At lower redshifts, SE accreting BHs with masses
∼ 105𝑀� become progressively rarer, as these systems have already
grown, loosing memory of their initial BH seed mass (Valiante et al.
2018). Among the sample of AGNs detected by JWST, the BH mass
and luminosity of systems at 𝑧 ∼ 5 are consistent with predictions of
the EL model, but the remaining systems at 𝑧 ∼ 5, and of most of the
sources at 𝑧 ≥ 7 are better reproduced by the SE model.

The distribution of simulated systems in the BH mass - stellar
mass plane for the EL and the SE models is shown in Fig. 2, using
the same color-coding adopted in Fig.1. In the 𝑧 ∼ 5 panels, we also
show the sample of local broad-line AGNs (light purple data points)
from Reines & Volonteri (2015), and their best fit relation (gray
shaded region), together with the updated fit to the larger sample
from Greene et al. (2020) (azure shaded region).

The BH mass gap is apparent in the EL model, where light BH
seeds descendants with masses < 104𝑀� are undermassive with
respect to their host galaxies. Even for the more efficiently growing
heavy BH seeds, their masses remain . 106𝑀� until the host galaxy
has grown to a mass of at least 𝑀star > 108𝑀� , above which the
growth of the BHs adjust to 𝑀BH/𝑀star . 0.001, with a large scat-
ter (see also Habouzit et al. 2017 and Anglés-Alcázar et al. 2017).
Interestingly, a small fraction of systems observable with JADES

at 𝑧 & 7 is made by heavy BH seeds with . 106𝑀� which are
over-massive with respect to their host galaxies, as expected if these
systems keep memory of their peculiar birth conditions (Agarwal
et al. 2013; Natarajan et al. 2017; Visbal & Haiman 2018; Valiante
et al. 2018).

In the SE model, instead, the vast majority of detectable BHs grow
at a pace almost similar to that of their hosts, with 𝑀BH/𝑀star '
0.01 − 0.1; while this result might reflect the relatively simplified
treatment of the SE accretion in CAT (see the discussion in T22
and in section 3), it certainly shows how the assumed BH growth
translates into a different evolution of the BH mass - stellar mass
relation, even among models which rely on the same BH seeding
conditions (Volonteri 2012).

At all redshifts, most of the observable systems have 0.001 .
𝑀BH/𝑀star . 0.01 in the EL model, and 0.01 . 𝑀BH/𝑀star . 0.1
in the SE model. The comparison with JWST detected AGNs shows
that their luminosities are better reproduced by the SE model, while
their host galaxy masses are better matched by the EL model. We
nevertherless identify the subsample of detectable sources with BH
masses that match the measured BH masses estimated for GNz11
(Maiolino et al. 2023) and CEERS-1019 (Larson et al. 2023), and
whose stellar mass (for sources in the EL model) or luminosity (for
sources in the SE model) is consistent with the observed values.
For these subsample of systems, which provide our best synthetic
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Figure 2. Similar to Fig. 1, but showing the BH mass - stellar mass relation predicted by CAT (T22) at 5 . 𝑧 . 11 for the Eddington limited model (EL, top
row) and the super-Eddington model (SE, bottom row). The diagonal dashed lines show reference values of 𝑀BH/𝑀star from 10−4 to 1, and the horizontal gray
lines mark the initial heavy BH seeds mass adopted in CAT (105𝑀�). The gray and azure shaded areas in the 𝑧 ∼ 5 panels show, respectively, the fit of from
Reines & Volonteri (2015) to their local sample of broad-line AGNs (light purple points), and the updated fit to the scaling relation from Greene et al. (2020).
We also show the estimated BH and stellar masses (or upper limits) of systems identified in JWST surveys by Kocevski et al. (2023) (yellow pentagons at 𝑧 ∼ 5),
Übler et al. (2023) (blue star at 𝑧 ∼ 5), Harikane et al. (2023) (orange empty stars at 𝑧 ∼ 5 and ∼ 7), Larson et al. (2023) (red star at 𝑧 ∼ 9), and Maiolino et al.
2023 (yellow star at 𝑧 ∼ 11). At all redshifts, most of the observable systems have 𝑀BH/𝑀star . 0.01 in the EL model, and 0.01 . 𝑀BH/𝑀star . 0.1 in the
SE model.

analogues for GNz-11 and CEERS-1019, we compute below the
emission spectra and analyse their evolutionary tracks.

2.3 Emission spectra of the first accreting BHs and their hosts

The best synthetic candidates for GNz11 at 𝑧 = 10.6 and CEERS-
1019 at 𝑧 = 8.68 are extracted from the source catalogs predicted by
CAT in both the EL and SE models. We first select systems with a
BH mass comparable to that estimated for the two observed sources
(Larson et al. 2023, Maiolino et al. 2023). Then, for some systems,
when possible (see Sec. 2.2), we also match two or more additional
properties such as the estimated AGN bolometric luminosity, Ed-
dington ratio (_Edd), host galaxy stellar mass and metallicity (Larson
et al. 2023; Bunker et al. 2023; Tacchella et al. 2023).
For each of these candidate systems, we compute an incident con-

tinuum spectrum from the accreting BH and from star formation
in the host galaxy, based on the properties (redshift, BH mass and
bolometric luminosity, stellar mass, age and metallicity) predicted
by CAT. We then use these spectra as input to Cloudy photoioniza-
tion models (we adopt version 22.00 of Cloudy Ferland et al. 2017)
to compute the transmitted fluxes, adopting the interstellar medium
(ISM) properties predicted by CAT for each system (gas metallicity,
dust-to-gas, and dust-to-metals mass ratios), similarly to what done
in our previous study (Valiante et al. 2018).
A systematic investigation of the Spectral Energy Distributions

(SEDs) for all the systems predicted by CAT to be detectable by
JWST (and their position in spectral diagnostic diagrams) will be
presented in Valiante et al. in prep. Here we show the SEDs for
candidates which minimize the difference with the photometric data
of CEERS-1019 and GNz11, according to our Cloudy models.

2.3.1 Construction of the SEDs

The adopted models for the intrinsic emission spectra of accreting
BHs and their hosts (used to define the incident ration in Cloudy),
and the main set-up conditions adopted to run Cloudy models are
briefly described below.
Following Valiante et al. (2018), the primary optical/UV emission

from the BH accretion disk is described as the sum of multicolour
black-body spectra, normalized to the BH bolometric luminosity.
The X-ray emission from the hot corona is modelled as a power-
law with an exponential cut-off, 𝐿a ∝ a−Γ+1e−ℎa/𝐸c , with 𝐸c =

300 keV and the photon index Γ in the hard X-ray energy band is
assumed to depend on the Eddington ration _Edd as Γ2−10keV =

0.32Log_Edd + 2.27. We also include the metallicity-dependent X-
ray reflection component using the reflection-only solution of the
PEXRAV model in the XSPEC code (see Valiante et al. 2018 for
more details).
The emission from the stellar component is computed with the
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Figure 3. Flux density predicted with Cloudy for CEERS-1019 candidates
selected from the EL model (upper panel) and from the SE (lower panel)
model catalogs at 𝑧 ∼ 9 predicted by CAT (see section 2.2). The solid azure
and dashed black lines in both panels show the SED of the accreting BH
and stellar component, respectively, assuming that all the stars are formed
in a single burst and a stellar age of 2 Myr. NIRcam and MIRI photometric
data points from Larson et al. (2023) are shown in different colors, with bars
indicating the filter band width.

spectral evolution code PEGASE v2.08 (Fioc & Rocca-Volmerange
2019), using as an input the ages and metallicities of the stellar
populations formed in the host galaxy of the accreting nuclear BH
predicted by CAT. We note here that when computing the stellar
emission, we do not consider the full star formation history of the
host galaxy, but we simply assume that all the stars formed in a burst
and evolve over a times-scale of Δ𝑡 = 2 (1) Myr, corresponding to the
typical redshift-dependent time interval in CAT at 𝑧 = 8−9 (10−11).
We compute their cumulative emission considering their metallicity
to be the same as the metallicity of their parent star forming cloud
and a stellar age equal to Δ𝑡.
In Cloudy models, we use the ISM properties (metallicity, dust-

to-gas, dust-to-metal ratios) predicted by CAT to characterize the
enrichment of the gas cloud. For systems with metallicities and dust-
to-metal mass ratios close to the solar values (𝑍 = 𝑍� = 0.01524 and
b𝑑 = b� = 0.36, respectively), we use the interstellar abundances
and depletion factors from Gutkin et al. (2016)9, except for Nitrogen,
for which we adopt the depletion factor from Dopita et al. (2006,
see Nakajima et al. 2018; Nakajima & Maiolino 2022). For sources
with sub-solar metallicity, the corresponding abundance of elements
lighter than Zinc are computed by rescaling the solar values by the
metallicity predicted by CAT. In addition, following Gutkin et al.
(2016), the depletion factors associated with different dust-to-metal
mass ratios (b𝑑 < b�) are obtained with a linear interpolation of
the depletion factors associated with b𝑑 = 1, 0.36 and 1. To account

8 http://www2.iap.fr/users/fioc/Pegase/
9 The abundances computed by Gutkin et al. (2016) also account for both
primary and secondary nucleosynthesis production of Nitrogen and Carbon.

Figure 4. Flux density predicted with Cloudy for GNz11 candidates selected
from the EL and SE model catalogs at 𝑧 ∼ 11 predicted by CAT (see section
2.2). In the upper panel we show the emission from accreting BHs and
compare these to the photometric data points reported by Tacchella et al.
(2023) for the point source of GNz11, which is attributed to an accreting
BH by Maiolino et al. (2023). The spectra are shown for a super-Eddington
(_Edd = 2.4) accreting BH candidate with (azure solid line, 𝐴V = 0.4)
and without (azure dotted line,𝐴V = 0) dust attenuation. The sub-Eddington
(_Edd = 0.4) candidate found in the 𝑧 = 11ELmodel catalog is represented by
the black dot-dashed line. For this latter systemwe predict the samemetallicity
as for the SE model, 0.06𝑍� (from CAT), but 𝐴V = 1.0 (from the adopted
Cloudy model). For all these systems the BH mass is 1.5 × 106M� . Using
the same colour coding, in the bottom panel we show the emitted spectra
of the corresponding host galaxies, whose stellar mass, metallicity and dust
attenuation are reported in the legenda. For all these models, we have assumed
all the stars to form in a single burst and a stellar age of 1 Myr. The gray
shaded region shows the flux density predicted for a log(𝑀star/𝑀�) = 9
galaxy adopting the star formation history inferred by Tacchella et al. (2023)
for the extended component, assuming a fixed metallicity of 𝑍 = 10−1.4𝑍� ,
and a dust attenuation in the range 𝐴V = 0 − 2. The model predictions are
compared to the photometric data points reported by Tacchella et al. (2023)
for the extended component of GNz11.

for dust physics, we rescale the default ISM grains abundance of
Cloudy by the dust-to-gas mass ratio predicted by CAT. Grain size
distribution and optical properties are from Mathis et al. (1977) and
Martin & Rouleau (1991), already included in Cloudy.
The clumping properties of the emission-line gas are defined by the

filling factor (or clumping factor), 𝑓 . For this study, we investigated
both a uniform distribution model, 𝑓 = 1, and clumpy gas models
with 𝑓 = 0.05, 0.1 and 0.5. For a given value of the dust-to-gas
mass ratio (provided by CAT for each source), the adopted value of
𝑓 translates into a different value of the visual extinction 𝐴V.
Following Nakajima & Maiolino (2022), in all models presented

here, we assumed a constant Hydrogen density log(nH/cm−3) = 3.0
and we stop Cloudy photo-ionization runs when the electron temper-
ature, 𝑇e, drops below 100 K (in stellar models), or when a neutral
Hydrogen column density of 1021cm−2 is reached (in accreting BH
models).
The resulting SEDs of systems that have been selected to be repre-
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sentative of the best synthetic candidates for CEERS-1019 at 𝑧 = 8.68
and GNz11 at 𝑧 = 10.6 are shown in Figs. 3 and 4. In particular, we
show the SEDs that minimize the difference with the photometric
data points reported by Larson et al. (2023) for CEERS-1019 and
by Tacchella et al. (2023) for the point source of GNz11, which is
attributed to an accreting BH by Maiolino et al. (2023). It is im-
portant to emphasize that while the spectra of the observed sources
show broad lines attributed to the BLR of the BH, Cloudy does not
calculate the line broadening caused by the BH potential.

2.3.2 CEERS-1019

For CEERS-1019, we show the predicted emission spectra for the ac-
creting BHs (azure solid lines) and host stellar populations (dashed
black lines) of two systems, selected from the EL (upper panel) and
SE models (lower panel). The two candidates have comparable BH
mass and were selected among the closest CEERS-1019 synthetic
counterparts (in terms of BH mass, luminosity and stellar mass) pre-
dicted by CAT at 𝑧 ∼ 9. In both panels, we report their main physical
properties and we compare the emission spectra with NIRcam and
MIRI photometric data points from Larson et al. (2023), that are
shown in different colors, with bars indicating the filter band width.
In the ELmodel, the continuum is dominated by the emission from

the host galaxy, which has a total stellar mass of log(𝑀star/𝑀�) =
9.4. Here we have assumed that all stars formed in a single burst and
a stellar age of 2 Myr, that is the typical time interval at 𝑧 ∼ 8 − 9
in CAT. Despite this extreme assumption, some of the emitted lines
are heavily contaminated by the accreting BH, which has a mass of
log(𝑀BH/𝑀�) = 6.9 and Eddington ratio of _Edd = 0.45.
In the SEmodel, instead, the continuum and emitted lines are dom-

inated by theBH emission, which has amass of log(𝑀BH/𝑀�) = 6.8
and Eddington ratio of _Edd = 1.8. Due to the faster growth of the
BH, the host galaxy has a stellar mass of only log(𝑀star/𝑀�) = 8.0.
The metallicities of the two systems clearly reflect their different

degree of evolution, being ' 0.08𝑍� in the EL model, and a factor
∼ 1.6 smaller in the SEmodel. Cloudymodels with 𝑓 = 0.05 provide
𝐴V = 0.3−0.6, in good agreementwith the value inferred forCEERS-
1019 (0.4 ± 0.2; Larson et al. 2023). The only exception is the host
galaxy in the EL model (dashed line in the upper panel), for which
we show the SED with attenuation 𝐴V = 1.0, obtained assuming
𝑓 = 0.1. For a filling factor 𝑓 < 0.1 (𝐴V < 1.0) the continuum
emission of this stellar component exceeds NIRCam observations at
_ < 3.5`m.
We find that the SE model, where the flux density is dominated

by the accreting BH, provides a poor fit to the observed photometry
of CEERS-1019. This conclusion generally applies to SE candidates
with comparable BH mass and luminosity, and supports the inter-
pretation provided by Larson et al. (2023), i.e. that stellar emission
comprises between ∼ 80 − 99.5% of the UV/optical flux, depending
on the adopted AGN template.

2.3.3 GNz11

For GNz11, Fig. 4 compares the predicted emission spectra powered
by accreting BHs (upper panel) and their host galaxies (lower panel)
with the photometric data reported by Tacchella et al. (2023) for the
central point source (whichMaiolino et al. 2023 attribute to the AGN
emission) and the extended component, respectively.
In the upper panel, we show the flux density predicted for two

accreting BHs with mass𝑀BH ∼ 1.5×106M� , selected from the SE
model (_Edd = 2.4, azure lines) and from the EL model (_Edd = 0.4,

black dashed-dotted line). Using the same color-coding, in the bottom
panel we show the flux density predicted for their host galaxies. The
two accreting BHs are hosted by galaxies with different stellar mass
(log(𝑀star/𝑀�) = 8.6 in the EL model, and log(𝑀star/𝑀�) = 8 in
the SE model), but with the same ISM metallicity (𝑍 = 0.06𝑍�).
To best match the photometry of the point-source and extended

component, we performed different Cloudy runs assuming different
filling factors, and found that the best match is provided by 𝑓 = 0.05
for the SE model, corresponding to 𝐴V = 0.4 (azure solid line), and
𝑓 = 0.5 for the EL model, corresponding to 𝐴V = 1 (the latter choice
provides the best fit to the photometry of the extended component).
For the SE model, we also show a model with no dust obscuration
(𝐴V = 0, azure dotted line). We find that the SED of the SE model
candidate is in good agreement with the observed photometry of the
point source, especially if dust extinction is neglected, while the EL
model candidate is too faint. By assuming 𝑓 = 0.05, we can reduce
the visual extinction to 𝐴V = 0.3 (more consistent with that inferred
by Tacchella et al. 2023), and the emission from the EL accreting
BH increases (by a factor ≈ 3), but it is still too small to reproduce
the observations. With the same assumption, however, the emission
of the stellar component is too bright to match the photometry of the
extended component.
We recall that the stellar emission is computed assuming that the

stars are formed in a single burst and, in this case, have an age of
1 Myr (approximately the CAT time interval at 𝑧 ∼ 10 − 11). To
appreciate the impact of considering the contribution of older stellar
populations, we also show the flux density predicted for a galaxy with
total stellar mass of log(𝑀star/𝑀�) = 9 adopting the star formation
history inferred by the SED fitting of the extended component of
GNz11 by Tacchella et al. (2023), with the gray shaded region cor-
responding to models with different degrees of dust obscuration, in
the range 𝐴V = 0 − 2. This shows that a better modeling of the star
formation history of the host galaxy is required to properly account
for the observations, and that the galaxies hosting the SE accreting
BHs may be too faint to account for the observed flux density of the
extended component, particularly at 2 - 4 `m.
Our analysis suggests that the emission of the central point source

in GNz11 can be reproduced by SE accreting BHs, with mass and lu-
minosity comparable to the values inferred byMaiolino et al. (2023);
however, these systems are hosted in galaxies which are too faint to
match the observed emission of the extended component.

2.4 Tracking the origin and fate of 𝑧 ' 9 − 11 SMBHs

The analysis of the emission properties of the best candidates of
GNz11 and CEERS-1019 (among which we show in Figs. 3 and 4
some representative cases) supports the interpretation that the central
point source of GNz11 could be powered by a 1.5 × 106M� super-
Eddington accretingBH (_Edd ' 2−3), while CEERS-1019 harbours
a more massive BH, with 𝑀BH ' 107𝑀� , accreting sub-Eddington
(_Edd ' 0.45 − 1), with a dominant emission from the host galaxy.
Here we go one step further, and we investigate the origin and

fate of these systems. In Fig. 5 we show their BH mass as a function
of redshift (lower horizontal axis) and time (upper horizontal axis).
Evolutionary tracks for the best candidates of CEERS-1019 at 𝑧 = 8.7
(red star) in the EL model, and of GNz11 at 𝑧 = 10.6 (yellow star)
in the SE model are shown with blue and orange solid lines in the
upper and lower panels, respectively. The dark blue and red coloured
points along the tracks mark the occurrence of BH mergers, while
gray points indicate themass of the initial BH seed and themass at the
observed redshift of GNz11 and CEERS-1019. We also show the BH
masses and redshifts of AGNs identified by JWST at 𝑧 < 7, using the
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Figure 5. BHs evolutionary tracks predicted by CAT for the Eddington limited model (EL, top panel) and the super-Eddington model (SE, bottom panel). In top
(bottom) panel, the tracks of the best candidates for CEERS-1019 and GNz11 are shown with blue (orange) solid lines, with darkblue (red) data points indicating
the occurrence of BH mergers, and the gray data points indicating the BH mass at seed formation and at the redshift corresponding to GNz11 (𝑧 = 10.6,
𝑡H = 0.44 Gyr) and CEERS-1019 (𝑧 = 8.7, 𝑡H = 0.570 Gyr). The horizontal gray shaded regions mark the mass ranges adopted in CAT for light and heavy
BH seeds formation. We also show the BH mass and redshift of systems identified in JWST surveys by Kocevski et al. (2023) (yellow pentagons), Übler et al.
(2023) (blue star), Harikane et al. (2023) (orange empty stars), Larson et al. (2023) (CEERS-1019, red star), and Maiolino et al. 2023 (GNz11, yellow star).
We also show the BH masses measured in quasars at 𝑧 ∼ 6 − 7.5 (lavender data points, Inayoshi et al. 2020). Finally, in both panels, triangles connected with
dotted lines indicate the maximum BH mass predicted in each model (yellow), and the minimum BH mass detectable in a survey like CEERS (turquoise) and
JADES (violet). The vertical dotted lines show the corresponding maximum observable redshift in the two surveys. According to the EL model, GNz11 and
CEERS-1019 are among the most massive BHs at their corresponding redshift, and must originate from heavy black hole seeds formed at 14 ≤ 𝑧 ≤ 16. In the
SE model, they can originate from rapidly growing light seeds formed at 𝑧 ≥ 20, and do not represent the most extreme objects. In both models, we find that
GNz11 may be a progenitor of CEERS-1019, and that these BHs continue to grow, reaching a BHmass comparable to those measured in quasars at 6 ≤ 𝑧 ≤ 7.5.

same symbols and colours adopted in Figs. 1 and 2. The lavender data
points indicate the BHs measured in quasars at 𝑧 ∼ 6− 7.5 (Inayoshi
et al. 2020). The gray horizontal bands identify the mass ranges
corresponding to light and heavy BH seeds in CAT. In both panels,
the dotted lines with triangles indicate the maximum BH mass that
is predicted by CAT at 4 ≤ 𝑧 ≤ 20 (yellow), and the minimum BH
mass that would be detectable in a survey like CEERS (turquoise) and
JADES (violet).We alsomarkwith vertical dotted lines themaximum
redshift at which BHs would be observable in these two surveys, that
correspond to the redshift at which the minimum detectable BHmass
equals the maximum BH mass predicted by each model.

Our results suggest that there might be an evolutionary link be-
tween systems with a mass similar to GNz11 at 𝑧 = 10.6 and systems
with a mass similar to CEERS-1019 at 𝑧 = 8.7. However, their for-
mation history is very different in the two models: in the EL model,
systems like GNz11 and CEERS-1019 originate from heavy BH
seeds formed at 14 ≤ 𝑧 ≤ 16, and are among the most massive
BHs at their corresponding redshift. In the SE model, instead, all
the tracks start at 𝑧 & 20 from light BH seeds, although mergers
can occur with heavy BH seeds as they cross the heavy BH seed

mass, at 𝑧 ≤ 16, indicating that the genealogy of systems like GNz11
and CEERS-1019 could be characterized by both light and heavy BH
seeds ancestors. This is consistent with the results presented in Trinca
et al. (2022) (see in particular their Fig. 7), which show that less than
' 20% of BHs with masses ' 106𝑀� − 107𝑀� at 8 ≤ 𝑧 ≤ 10 de-
scend from a heavy BH seed. We also note that in the SE model, the
evolutionary tracks are always well below the maximum BH mass
predicted by the model, meaning that systems similar to GNz11 and
CEERS-1019 are not the most massive among the BH population at
their corresponding redshift. Interestingly, at 𝑧 < 9 − 11 the selected
systems continue to grow in mass: in both models they could be
the progenitors of SMBHs powering quasars at 6 ≤ 𝑧 ≤ 7, and of
the most massive among the AGNs detected with JWST at 𝑧 < 7.
Conversely, JWST observed AGNs with mass . 3× 107𝑀� at 𝑧 < 7
must originate from less efficiently growing seeds (see for instance
the scenario proposed by Sassano et al. 2023), and their evolution is
therefore unrelated to GNz11-like or CEERS-1019-like systems.

If we compare the maximum BH mass predicted in each model
with the minimumBHmass that would be observable by CEERS and
JADES, we find that CEERS is not expected to observe accreting
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BHs beyond 𝑧 ' 9 in the EL model, and CEERS-1019 represent
the most massive BH at 𝑧 = 8.7 and it is ∼ 0.6 dex larger than the
minimum detectable BH mass. JADES has the sensitivity to observe
accreting BHs out to 𝑧 ' 12, and GNz11 is ∼ 0.4 dex smaller than
the maximum BH mass at 𝑧 = 10.6 and ∼ 0.6 dex larger than the
minimum detectable BH mass. In the SE model these figures change
considerably: we predict that CEERS would be able to detect BHs
with masses & 3×105𝑀�−106𝑀� out to 𝑧 ' 15, and JADESwould
be able to detect BHs with masses & 105𝑀� − 3 × 105𝑀� out to
𝑧 ∼ 18.
While BHs with masses comparable to those of GNz11 and

CEERS-1019 can be explained in both models, the predicted dis-
covery space is very different in the two scenarios: we can expect
that JWST will continue to discover small but luminous AGNs at
𝑧 . 9 − 12. However, if future surveys as sensitive as CEERS and
JADES were to discover accreting BHs at 𝑧 > 12, this would be
a strong indication that early BH seeds must experience phases of
super-Eddington growth.

3 DISCUSSION AND CONCLUSIONS

The recent discovery of more than 10 new AGNs at 𝑧 > 4 in ongoing
surveys with JWST, including two systems at 𝑧 = 8.7 and 𝑧 = 10.6
with estimated BH masses ≤ 107𝑀� , offers the unprecedented op-
portunity to constrain theories for the formation and evolution of
SMBHs with masses > 109𝑀� powering quasars at 𝑧 > 6. Given the
high rate of AGNs discovered with JWST, two questions naturally
arise: are we surprised to find these accreting BHs in the nuclei of
galaxies at 𝑧 ∼ 5 − 11? And can we use their estimated properties to
constrain the nature and growth of the first BH seeds?
Prompted by these questions, we use the CosmicArchaeology Tool

(CAT, T22) semi-analytical model to explore the population of BHs
and their host galaxies at 5 ≤ 𝑧 ≤ 11, and compare their predicted
properties to those estimated for the AGNs and host galaxies recently
detected by JWST.
Following T22, we assume that light BH seeds form as remnants of

Pop III stars and theirmasses range from10s to 100s𝑀� , while heavy
BH seeds form with a constant mass of 105𝑀� from the collapse
of supermassive stars. Starting from these two BH seeds flavours,
we consider two alternative BH accretion models: in the first model,
BH accretion is Eddington-limited (EL), while in the second model,
light and heavy BH seeds can accrete at super-Eddington rates in
short phases triggered by galaxy major mergers (SE). We note here
that our description of super-Eddington accretion via a slim disk
(Madau et al. 2014; Lupi et al. 2014; Volonteri et al. 2015; Pezzulli
et al. 2016) is simplified (see the discussion in T22). High-resolution
hydrodynamical simulations show that in this regime BH growth is
very intermittent, due to radiative and mechanical feedback from
the growing BH (Regan et al. 2019; Massonneau et al. 2023), and
that efficient, super-Eddington growth may be possible onto heavy
BH seeds (Inayoshi et al. 2022), and less likely onto seeds with
masses ≤ 103𝑀� (Smith et al. 2018; Sassano et al. 2023). With this
caveat in mind, in the present study we have considered both the EL
and the SE models to explore how the assumed BH growth compares
with current observational constraints provided by the recently JWST
detected AGNs.
We first consider the predicted distribution of nuclear BHs and

their host galaxies in the BH mass - luminosity and BH - stellar mass
planes at 5 ≤ 𝑧 ≤ 11, and investigate the properties of BHs that are
luminous enough to be detectable by JWST in surveys like JADES
and CEERS (see also Trinca et al. 2023b). We find that:

• In the EL model, BHs descending from light seeds grow very
inefficiently, their masses and luminosities remain . 104𝑀� and
Log(𝐿bol) [erg/s] . 39.5, and are undermassive with respect to their
host galaxies. All the systems detectable with JADES and CEERS
appear to be descendants of heavy BH seeds. Even for these more
efficiently growing seeds, their masses remain . 106𝑀� until their
host galaxy has grown to a mass of at least 𝑀star > 108𝑀� , above
which the growth of the BHs adjust to 𝑀BH/𝑀star . 0.001, with a
large scatter. At all redshifts, most of the observable systems have
0.001 . 𝑀BH/𝑀star . 0.01. Interestingly, a small fraction of sys-
tems observable with JADES at 𝑧 & 7 is made by heavy BH seeds
with . 106𝑀� which are over-massive with respect to their host
galaxies, as expected if these systems keep memory of their peculiar
birth conditions (Agarwal et al. 2013; Natarajan et al. 2017; Visbal
& Haiman 2018; Valiante et al. 2018).

• In the SE model, even light BH seeds grow more efficiently.
However, there is a luminosity gap in the BH mass - luminosity
plane, with two disjoint, parallel diagonal tracks, corresponding to
1 . _Edd . 10 and _Edd . 0.01 − 0.1. This reflects the short dura-
tion of the SE phase, during which systems are shifted on the upper
track, which becomes progressively less populated with decreasing
redshift. The number of detectable systems is larger than in the EL
model, particularly at 𝑧 & 12, where most of the systems are de-
tectable when accreting at SE rates. This prediction could be test
observationally with surveys like JADES and CEERS. At all red-
shifts, detectable BHs evolve with 𝑀BH/𝑀star ' 0.01 − 0.1, and are
overmassive with respect to the canonical value 𝑀BH/𝑀star ' 0.001
(Reines & Volonteri 2015; Greene et al. 2020).

• The comparison with JWST detected AGNs at 4 < 𝑧 < 10.6
shows that their estimated BH luminosities are better reproduced by
the SE model, while their host galaxy masses are better matched by
the EL model. In particular, we identify the subsample of detectable
sources with BH masses that match the estimated values for GNz11
(Maiolino et al. 2023) and CEERS-1019 (Larson et al. 2023), and
whose stellar mass (for sources in the EL model) or luminosity (for
sources in the SE model) is consistent with the observed values.
For these subsample of systems, which provide our best synthetic
analogues for GNz-11 and CEERS-1019, we compute their SEDs
by coupling CAT predictions with the Cloudy photoionization code,
and compare themwith the observed JWST photometry. Our analysis
supports the interpretation that the central point source of GNz11
could be powered by a 1.5 × 106M� super-Eddington accreting BH
(_Edd ' 2 − 3), while CEERS-1019 harbours a more massive BH,
with 𝑀BH ' 107𝑀� , accreting sub-Eddington (_Edd . 0.45 − 1),
with a dominant emission from the host galaxy.

• We also analyse the evolutionary tracks of CEERS-1019 and
GNz11 synthetic analogues in the EL and in the SE models to inves-
tigate the origin and fate of these systems.We find that there might be
an evolutionary link between systemswith amass similar toGNz11 at
𝑧 = 10.6 and systems with a mass similar to CEERS-1019 at 𝑧 = 8.7.
However, their formation history is very different in the two models:
in the EL model, systems like GNz11 and CEERS-1019 originate
from heavy BH seeds formed at 14 ≤ 𝑧 ≤ 16, and are among the
most massive BHs at their corresponding redshift. In the SE model,
instead, systems similar to GNz11 and CEERS-1019 are not the most
massive among the BH population at their corresponding redshift;
their evolutionary tracks start at 𝑧 & 20 from light BH seeds, although
mergers can occur with heavy BH seeds at 𝑧 ≤ 16, indicating that
they could descend from both light and heavy BH seeds ancestors.
In both models GNz11-like or CEERS-1019-like systems continue
to grow at 𝑧 < 9 − 11, reaching masses comparable to the SMBHs
powering quasars at 6 ≤ 𝑧 ≤ 7, and of the most massive among the
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AGNs detected with JWST at 𝑧 < 7. Conversely, the sample of JWST
AGNs with mass . 3 × 107𝑀� at 𝑧 < 7 must originate from less
efficiently growing seeds.

Our results suggest that the AGNs discovered in ongoing JWST
surveys are providing an amazing confirmation of the rich BH land-
scape at cosmic dawn predicted by theoretical models. AGNs with
properties similar to those estimated for JWST detected AGNs, in-
cluding the two most distant sources, CEERS-1019 and GNz11, can
be explained in scenarios where BHs originate from Eddington-
limited gas accretion onto heavy BH seeds, or if light and heavy BH
seeds can experience short phases of super-Eddington accretion. We
expect that surveys like CEERS and JADES will continue to discover
small but luminous AGNs at 𝑧 . 9 − 12 (Trinca et al. 2023b). How-
ever, if JWST surveys as sensitive as CEERS and JADES were to dis-
cover accreting BHs at 𝑧 > 12, this would be a strong indication that
conditions enabling super-Eddington accretion, such as a high opti-
cal depth and high gas supply rates from large scales (Mayer 2019),
should be naturally met and that feedback in the super-Eddington
phase does not curtail significantly its duration.
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Abstract

Black holes with masses in excess of several billion solar masses have
been found at redshifts 6–7.5, when the universe was less than 1 Gyr old
[1–3]. The existence of such supermassive black holes already in place at
such early epochs has been challenging for theoretical models [4–7] and
distinguishing between different scenarios has prompted the search for
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their progenitors at earlier epochs. Here we present an extensive analysis
of the JWST-NIRSpec spectrum (from the JADES survey) of GN-z11,
an exceptionally luminous galaxy [8] at z=10.6, revealing the detection
of the high ionization [NeIV]λ2423 transition and semi-forbidden neb-
ular lines tracing gas densities higher than 1010 cm−3, typical of the
Broad Line Region of Active Galactic Nuclei (AGN). These spectral fea-
tures indicate that, in addition to star formation, GN-z11 also hosts an
accreting black hole. We do not exclude a contribution from extreme
stellar populations, however Wolf Rayet stars alone cannot account for
many of the spectral properties. The spectrum also reveals a deep and
blueshifted CIVλ1549 absorption trough, tracing an outflow with a veloc-
ity of ∼ 800−1000 km s−1, higher than typically observed in starburst
galaxies, hence likely driven by the AGN. Assuming local virial scaling
relations, we derive a black hole mass of log (MBH/M�) = 6.2± 0.3,
accreting at about 5 times the Eddington rate. While super-Eddington
accretion is probably episodic, if it has been occurring for the previ-
ous ∼ 100 Myr, then the black hole could have potentially originated
even from a stellar mass seed at z∼12-15. We finally discuss that our
finding naturally explains the high luminosity of GN-z11 and can also
provide an explanation for its exceptionally high nitrogen abundance.

Multiple theories have been proposed to describe the formation of black hole
seeds in the early Universe and to explain the emergence of very massive black
holes (MBH > 109 M�) observed to be already in place at z=6–7.5. Mod-
els consider various possible scenarios [5, 6, 9–13]. Black holes resulting from
the direct collapse of primordial clouds (possibly preceded by the formation
of a supermassive star) into seeds with masses in the range ∼ 104 − 106 M�
(the so-called Direct Collapse Black Holes, DCBH), is one of the models most
frequently invoked. However, other models also consider rapid merging of
stars and black holes in dense, nuclear star clusters, as well as accretion onto
Population III black hole seeds or even normal stellar remnants [14–16]. Super-
Eddington accretion has also been considered a possibility. Yet, none of these
scenarios have been properly tested so far, as they required the observation of
black holes at higher redshift (z>10) and at lower masses (MBH < 107 M�),
which has been unfeasible until the advent of JWST.

Within this context, we have performed an extensive analysis of the spec-
trum of GN-z11, an exceptionally luminous galaxy at z=10.6. Initially detected
with the Hubble Space Telescope [8, 17, 18], this is the brightest galaxy at
z>10 in all HST fields (including the totality of the CANDELS fields and
Frontier Fields)[19]. Being three times more luminous than the characteris-
tic luminosity of galaxies at z=7, if powered primarily by star formation, the
implied density of luminous galaxies would be challenging to reconcile with
many models of galaxy formation [20–23].

GN-z11 was recently observed with JWST. The analysis of the NIRCam
images revealed an unresolved nuclear component and a disk-like component
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with an extent of a few 100 pc [24]. The early analysis of the first NIRSpec
spectrum was presented in [25] and found to be consistent with star formation,
although the presence of an AGN was not excluded. Here we explore the latter
scenario by using a deeper spectrum of GN-z11 resulting from the combination
of the previous observations and additional new data from the JADES survey.
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Fig. 1 Zoom in of the spectra of GN-z11 around specific spectral features of interest, along
with their single/multiple Gaussian models (see Methods). Dashed lines indicate the rest-
frame wavelengths of the lines at a redshift z=10.603. a) [NeIV]λλ2422,2424 doublet; b)
NIII] multiplet, illustrating the detection of the resolved NIII]λ1754 emission; c) NIV] dou-
blet, showing the absence of [NIV]λ1483 despite the strong NIV]λ1486; d) CIV blueshifted
absorption trough and redshifted resonant emission, compared with the CIV P-Cygni pro-
file observed in low-metallicity, young star-forming galaxies (stack: orange dashed line; most
extreme case: orange dotted line, see Methods), showing inconsistency with the latter. In
panels a, b and c the continuum is subtracted, while in panel d the continuum is normalised
to one (see Methods). The grey dotted lines indicate the noise level.

Fig.1a shows the detection of the [NeIV]λλ2422,2444 doublet. As NeIV
requires photons with energies higher than 63.5 eV, this line is an unambiguous
AGN tracer [26], indeed it is commonly seen in AGN [27, 28] and not seen
in star forming galaxies, not even those hosting the most extreme Wolf-Rayet
stars [29].
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We also detect the CII∗λ1335 fluorescent line (see Fig.5 in the Methods).
This line is commonly observed in AGN [30, 31]. On the other hand, in star
forming galaxies this line is generally totally undetected; when detected, is
extremely faint and always associated with deep CIIλ1334 resonant absorption
[32, 33], not seen in GN-z11.

Additional insights come from the analysis of UV features. Fig.1c shows
a portion of the medium-resolution spectrum between 1400-1600Å, where
the G140M and G235M spectra overlap, which can therefore be combined
to increase the signal-to-noise ratio (S/N). This spectral region includes the
[NIV]λ1483, NIV]λ1486 doublet, which is very sensitive to the gas den-
sity (while being relatively insensitive to ionization parameter, metallicity
and shape of the ionizing spectrum). The detection of the semi-forbidden
NIV]λ1486 line (critical density 4.7 × 109 cm−3) and the non-detection of
the forbidden [NIV]λ1483 line (critical density 1.5 × 105 cm−3) are indica-
tive of densities much higher than 105 cm−3 (as already pointed out by [34],
although based on a lower S/N spectrum). Specifically, the various photoion-
ization models shown in Fig. 2a (see Methods for details) illustrate that the
upper limit on the doublet ratio, F([NIV]1483)/F(NIV]1486)<0.15, requires
densities & 106 cm−3. On the other hand, the densities of the ionized inter-
stellar medium (ISM) are typically in the range 10−103 cm−3 and only rarely
approach a few times 104 cm−3 [35].

Even stronger constraints are given by the analysis of the NIII] multiplet
(Fig.1b). This is contributed primarily by four semi-forbidden lines at 1748.6Å,
1749.7Å, 1752.2Å and 1754.0Å (and the much weaker 1746.8Å). All of these
have high critical densities (> 109 cm−3), but the 1748.6Å and 1754.0Å tran-
sitions have the highest critical density of 1010 cm−3. Note that, as they come
from the same upper level, their fluxes are constrained to be in a fixed ratio
of F1754/F1748 = 1.05 (likewise the two transitions 1746.6Å and 1752.2Å come
from the same level and their ratio is constrainted to be 0.14). The 1754.0Å
line is well resolved from the rest of the multiplet, and its intensity is well
constrained to be 0.25±0.04 of the total intensity of the whole multiplet. Such
a high ratio can only be achieved when both the 1749.7Å and 1752.2Å tran-
sitions are suppressed relative to the 1748.6Å and 1754.0Å because of the
very high density. As illustrated in Fig.2a, when compared with the expecta-
tions from a wide range of photoionization models, the observed ratio requires
a density higher than 1010 cm−3 (or higher than 109 cm−3 at 3σ). Such
high densities are completely inconsistent with any ionized HII regions in any
star-forming galaxy, but are fully in the realm of the Broad Line Regions
(BLRs) of AGN, which are indeed characterized by extremely high densities
(∼ 109 − 1015 cm−3). Therefore, together with the [NeIV] and CII∗ detec-
tions, the most plausible explanation is that GN-z11 hosts an AGN and that
these semi-forbidden lines observed in its spectrum are mostly emitted by the
associated BLR.

Yet, at first glance, it may appear puzzling that the spectrum of GN-z11
does not seem to show the typical ‘broad lines’ seen in type 1 quasars and
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Fig. 2 Flux ratios of density-sensitive nitrogen lines as a function of hydrogen gas den-
sity, nH. A large range of Cloudy models (see Methods for details) are compared with
the values observed in GN-z11. Models with metal-poor (Zneb = 0.1 Z�) and metal-rich
(Zneb = 1 Z�) gas are shown with solid lines and dashed lines, respectively, (color-coded
according to the ionization parameter U) in the scenario where either an AGN (filled sym-
bols demarcating different black body temperatures for the accretion disc, TAGN) or stellar
populations (open markers for various ages, t∗) is responsible for the incident radiation
field. Top: [NIV]λ1483/NIV]λ1486 flux ratio. Bottom: ratio of NIII]λ1754 to total flux of
the multiplet. The black dashed lines and blue shaded regions (in decreasing darkness for
1σ, 2σ, and 3σ confidence level as indicated) show the observed fractional contribution of
NIII]λ1754 and upper limit on [NIV]λ1483/NIV]λ1486 obtained for GN-z11, indicating that
the gas emitting these lines has high density (nH & 1010 cm−3). The light green shaded
areas highlight the range of densities typical of the Broad Line Regions (BLRs), while the
gray shaded regions highlight the range of densities typical of the ionized ISM.

AGN, with widths of thousands km s−1. However, the width of the broad lines
scales quadratically with the black hole mass, hence in the case of ‘small’ black
holes the broadening is expected to be significantly smaller than in the more
luminous quasars. Moreover, there are classes of type 1 AGN which have broad
lines with widths <1,000 km s−1: these are the so-called Narrow Line Seyfert
1, whose permitted lines are broader than their forbidden lines, but not by
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a large factor, and in many cases reaching a width of only a few 100 km s−1

[36, 37], and which are indeed inferred to have small black holes (∼ 106 M�)
[38, 39]. This seems to be the case of GN-z11, in which semi-forbidden (NIII],
NIV]) and permitted lines (MgII) all have widths between 430 km s−1 and
470 km s−1, while [NeIII] has a significantly narrower width (340±30 km s−1),
hence coming from the host galaxy (either from HII regions or from the Narrow
Line Region of the AGN). Therefore, the typical narrow–forbidden/broad–
permitted duality of AGN is also present in GN-z11, but simply scaled down to
narrower widths. We note that the intepretation of some permitted and semi-
forbidden lines, such as the Balmer lines and CIII] is made complex by the
fact that these lines are also generally contributed to by the ISM photoionized
by star formation in the host galaxy

If the BLR is visible, then, as in type 1 AGN, the un-obscured accretion disc
should be visible at UV-optical wavelengths. We have verified this expectation
by analysing in the Methods the prism spectrum of GN-z11 and illustrate that
its slope is consistent with that expected for accretion discs, even by accounting
for a contribution to the continuum from the stellar population in the host
galaxy.

The spectrum of GNz11 also reveals a very deep (EWrest∼5Å) and
blueshifted absorption trough of the CIVλλ1548,1550 doublet (Fig.1d). GN-
z11 is the most distant galaxy for which absorption features are detected. Hints
of NV blueshifted absorption might also be present (see Methods) but deeper
data are needed for confirmation. Deep CIV absorption is sometimes observed
in young stellar populations, but the depth observed in GN-z11 would require
high metallicities, typically solar or super-solar [40]. This is in contrast with
the metallicity inferred from the nebular lines of GN-z11 (in the star form-
ing scenario), which give Z ≈ 0.1Z� [25]. To illustrate more quantitatively the
inconsistency with the stellar-wind origin, the orange dashed line in Figure 1d
shows the stacked spectrum of local galaxies with metallicity around the value
inferred for GN-z11 (and also the galaxy with the deepest absorption in that
sample), resampled to the NIRSpec grating resolution: the stellar trough is
much shallower than observed in GNz11 and with a completely different shape
(deeper at small velocities and with a shallower tail at higher velocities, see
Methods). Aside from the stellar origin, such a deep CIV absorption is seen
also in lower redshift star forming galaxies and associated with galactic out-
flows [41, 42]. However, in those cases the outflow velocities are only of a few
100 km s−1 (see Methods), while in the case of GNz11 the CIV trough traces
a much faster outflow of ∼ 800− 1000 km s−1 (see Methods for a more exten-
sive discussion). A more plausible explanation of the deep blueshifted trough
of CIV is that GN-z11 is a Broad Absorption Line (BAL) quasar, which are
indeed characterised by deep absorption of blueshifted CIV by up to several
thousands km s−1. Actually GNz11 would fit in the ‘mini-BAL’ category, with
velocities between 500 and 2000 km s−1, more common in lower luminosity
AGN [43], or in the “Narrow” (∼1,000 km/s) Absorption Line (NAL) quasars
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category [44]. It should be noted that at least 50% of quasars at z>6 are classi-
fied as BAL [45, 46]. The spectrum also shows a clear CIV redshifted emission,
which is likely tracing the receding component of the outflow. Indeed, since
CIV is a resonant line, this is likely the counterpart of the redshifted Lyα
identified by [25].

Summarizing, the detection of [NeIV] and CII∗, the extremely high gas den-
sity matching those of the AGN BLRs, and the presence of a deep, blueshifted
absorption trough of CIV tracing a high velocity outflow, are all consistent
with the scenario in which GN-z11 hosts an accreting black hole, i.e. an AGN,
specifically what would be called Narrow Line Seyfert 1 and (mini-)BAL/NAL
AGN.

The nature of high-z galaxies is sometimes assessed using diagnostic dia-
grams based on UV nebular lines and, in particular, the CIII]/CIV versus
CIII]/HeII diagnostic diagram. In the Methods we show that the location of
GNz11 on such a diagram is consistent with the AGN scenario, especially when
considering that it is a type 1 AGN. Another concern might be the absence of
additional very high ionization lines such as NV. However, in the Methods we
show that such lines are generally expected to be fainter than the other lines
seen in GN-z11, and therefore much more difficult to detect; in particular, the
upper limits on lines such as the NVλλ1238,1242 doublet and [NeV]λ3426 are
fully consistent with the AGN scenario.

Some works have suggested that GN-z11 may actually host a population of
WR stars, which might be responsible for its observed properties [47–49]. The
HeIIλ1640 line shows a potentially broad profile, as illustrated in Fig.5c of the
Methods (although the wings are mostly in the noise), possibly suggesting the
presence of a WR population. However, various other features are inconsistent
with a major contribution by WR stars. Specifically, in the case of WR stars
the NIVλλ1483,1486 doublet, if present, is always accompanied by an even
stronger NIVλ1718 line, with a prominent P-Cygni profile, which is not seen
at high confidence in the spectrum of GN-z11 [29] (see Fig.5f); [NeIV] and
CII∗ are never seen associated with WR stars [29]; when present, the NIII]
multiplet has a much weaker λ1754 component, consistent with the standard
ISM [35]. Therefore, if WR stars a present in GN-z11, then they must co-exist
with the AGN and are unlikely to play a dominant role in the excitation of
the observed nebular spectrum.

As mentioned, the NIRCam images of GN-z11, reveal a central unresolved
component and an extended component (Reff ∼ 200 pc) with Sersic index of
one [24]. In the scenario of GNz11 hosting an AGN, the central, unresolved
component would mostly be associated with the AGN spectroscopically iden-
tified here (which is also one possibility suggested by [24]), while the extended
component is the host galaxy of the AGN. Interestingly, for the extended com-
ponent [24] tentatively infer a star formation history with a burst between 10
and 50 Myr before the time of observation, followed by a steep decline in star
formation rate. Although the uncertainties are large, it is tempting to specu-
late that the AGN-driven outflow, as traced by the CIV blueshifted absorption,



A small and vigorous black hole in the early Universe 9

is already providing significant feedback on its host galaxy by quenching its
star formation [50–52].
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Fig. 3 Black hole mass as a function of redshift (on a logarithmic scale) and age of the
Universe. The black hole mass inferred for GN-z11 is shown with the large golden symbol.
The red shaded region indicates the evolution expected in the case of super-Eddington
accretion at the level inferred for GN-z11. The darker blue shaded region shows instead
the black hole mass evolution assuming Eddington-limited accretion, while the lighter blue
shaded region shows the case of evolution in the case of sub-Eddington accretion (specifically,
between 0.1 and 1 the Eddington rate). The horizontal gray shaded regions indicate the
range of black hole seeds expected by different scenarios; very light black hole seeds (stellar
remnants) could potentially be the progenitors of the black hole in GN-z11 in the case of
super-Eddington accretion. The small gray symbols indicate the black holes measured in
quasars at z∼6–7.5 [3, 5], most of which can originate from a progenitor like the black hole
in GNz11, even accreting at modest, sub-Eddington rates.

Assuming the local virial relations [53, 54], the black hole mass can be
estimated from the line widths and continuum luminosity. As discussed in the
Methods, we estimate a BH mass of about 1.6 × 106 M�. The uncertainty is
totally dominated by uncertainty and scatter of the virial relations, which is
about 0.3 dex [55].

We infer a bolometric luminosity of the AGN of 1045 erg/s (see Methods).
Such luminosity would be a factor of ∼5 higher than the Eddington limit (with
an uncertainty of a factor of 2). Super-Eddington accretion is generally inferred
for NLSy1’s and is one of the scenarios proposed to rapidly grow supermassive
black holes in the early Universe [56–62]. As illustrated in Fig.3, if the black
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hole has been accreting at the super-Eddington rate inferred at the time of
observation also at previous times, then it could have potentially generated
even from a stellar black hole seed (either from PopIII or even ‘normal’ PopII)
formed at z∼12–15 [14–16]. Yet, some models have found the latter route
unlikely [63, 64], as radiative feedback prevents sustaining super-Eddington
accretion for extensive period, hence this accretion mode is likely episodic. For
other, more massive seeds scenarios (DCHB or nuclear clusters) producing a
∼ 106 M� black hole by z=10.6 would have been even easier. In these cases
the black hole seed could have accreted more moderately, at the Eddington
rate, since z∼12–15 (DCBH), or since z∼20 (star cluster), and only at the time
of the observation experiencing a super-Eddington burst, which is expelling
much of the ISM in its host galaxy.
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Fig. 4 Black hole versus stellar mass diagram, showing the Location of GN-z11 (large
golden symbol), compared to local galaxies as indicated by the small red symbols and their
best-fit relation (black solid line and uncertainty traced by the gray shaded region) [65]. The
grey symbols show the values estimated for quasars at z∼ 6− 7 [66], although in these cases
the galaxy mass is inferred from dynamical tracers. The blue symbols are AGN at z>4 for
which the black hole and galaxy stellar mass has been measured with JWST data [67–71]
using the same calibration as [65] for consistency.

However, it is possible that the local/low-z scaling relations do not apply
for AGN at such early epochs. If we disregard the local virial relations and
instead assume that the black hole is accreting at the Eddington rate, then
the black hole mass would be 107 M�. A black hole with this mass, could have
been generated from a DCBH at any redshift between ∼25 and 13, or from a
merging nuclear star cluster at z>25 (which is already challenging for models),
while stellar black hole seeds would be very unlikely.
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More generally, most models and detailed simulations would manage to
produce a black hole with masses in the range 106−107 M� by z=10.6 through
one (or more) of the scenarios discussed above [9, 52, 72–77], and it is also
interesting to note that models were indeed expecting that the JADES survey
in the GOODS fields would have found of the order of a few accreting black
holes with masses ∼ 106 − 107 M� at 10<z<11 [13, 78].

We also note that the super-massive black holes (MBH = 107 − 1010M�)
found at z∼6–7 [1–3], could originate from progenitors with properties similar
to GN-z11. Although the volume densities are quite different, the development
of such supermassive black holes could easily be achieved by starting from
a BH with the same mass observed in GN-z11 at z∼10 and by accreting at
sub-Eddington rates (Fig.3) [52, 76].

Taking the stellar mass of the extended disk-like component measured by
[24] (M? = 8×108 M�), which is now to be considered as the host of the AGN,
it is possible to locate GN-z11 on the MBH −Mstar relation. As illustrated, in
Fig.4, GN-z11 is located above the local scaling relation, although marginally
consistent within the scatter. Interestingly, an early evolution above the local
MBH −Mstar relation is what is expected for black holes accreting at super-
Eddington at such early epochs [75, 76].

We note that the exceptionally high nitrogen abundance inferred for GN-
z11 (and, specifically, high N/O) [25, 79] becomes much less problematic in
the AGN scenario revealed in this work. To begin with, several ‘nitrogen-loud’
AGN have already been found both at low and high-redshifts (both for the BLR
and NLR, and including NLSy1)[70, 80–86]. These systems, often have strong
NIV and have NIII] much brighter than the HeIIλ1640 and OIII]λλ1661,1666
transitions. So GNz11 is not a very peculiar system in this context. Secondly,
the mass of the BLR in AGN is very small:

MBLR = 1.8

(
LHγ

1042 erg/s

)( n

1010 cm−3

)−1

M�

Specifically, the Hγ luminosity observed in GNz11 (LHγ = 1.7 × 1042 erg/s)
implies a mass of the BLR of only a few solar masses, depending on the spe-
cific density assumed. It would take just one or two supernovae to enrich such
a small mass to solar, or even super-solar metallicity [87], especially within
the small physical region associated with the BLR (∼ 10−2 pc for GN-z11)
[88, 89]. These could be supernovae from supermassive stellar progenitors,
with high nitrogen yields [90–92]. However, even without necessarily invoking
exotic scenarios, given the accelerated metal enrichment of such a small, cen-
tral region, it is also possible that secondary, recycled nitrogen production can
occur within a timescale of a few tens Myr (especially given the very fast cool-
ing times at such high densities, which allow star formation to quickly occur
out of cooled SN ejecta). More extensive analysis of the metallicity and abun-
dances in the high density limit should be performed in order to better assess
this scenario. As an even more fascinating possibility, in the scenario where
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the BLR clouds are actually bloated stellar atmospheres in their giant/super-
giant evolved stages [93–96], the apparent high nitrogen abundance could be
explained in terms of their outer layer being removed by the AGN radiation
pressure and the helium-nitrogen layers being exposed and blown.

We finally discuss our results within the context of the recent JWST find-
ings of an excess of exceptionally luminous galaxies at high redshift, which
has recently generated great interest, given that the implied UV luminosity
function has been challenging to reconcile with models and cosmological sim-
ulations [20, 21, 23, 97]. GN-z11 is the first of such hyperluminous galaxies at
high-z to be spectroscopically confirmed, and for which such a detailed spectro-
scopic analysis has been feasible. The AGN scenario revealed by our analysis
provides a natural explanation for the exceptional lumionsity of GN-z11. If
this is representative of the broader class of luminous galaxies discovered at
high-z by JWST, then it would greatly alleviate the tension with models and
simulations, and may suggest a stronger role of AGN in the reionisation of the
universe [68, 98].

1 Methods

1.1 Observations and Data Processing

The data presented in this paper are part of the JADES survey and, specifi-
cally, obtained through programme ID 1181 (P.I.: D. Eisenstein). GN-z11 was
observed in two epochs, the first one on UT 5 and 7 February 2023, and the
second one on UT 4 and 5 May 2023. The February observations were already
presented in [25]. We refer to that paper for a detailed description. Briefly,
the spectroscopic data were obtained with four different configurations of the
NIRSpec micro-shutter array (MSA) [99–101], using a 3-shutter nodding pat-
tern. Four different dispersers were used to cover the 0.6-5.3 micron wavelength
range: the low-resolution prism mode (exposure time of 6200 sec), and three
medium-resolution gratings (3100 sec each), which provide a nominal spectral
resolution of R∼1000 for a uniformly-illuminated slit [99]. However, the highly
compact light profile of GN-z11 with respect to the width of the slit results in
a significantly higher effective resolution. To estimate the effective resolution,
we forward model the morphology of GN-z11 through the NIRSpec instrument
for the grating dispersers, finding that the resolution ranges between 1100 and
2100. Four MSA configurations were used (two pointing and two dither posi-
tions). The May observations were similar, but in this case they consisted in
three consecutive dithers (with three different MSA configurations), each with
three nods, resulting into an on-source exposure of 2.7 hours for the prism,
heach of the three medium resolution gratings and also with the high resolution
grating G395H/290LP. Unfortunately, at the location of GN-z11 on the MSA
the latter spectrum is heavily truncated at wavelengths longer than 4.1µm,
hence all strong optical emission lines are not observed with this grating.
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By combining the two sets of observations, the total exposure time is 9.6
hours with the prism and 6.15 hours with each of the medium resolution
gratings.

The data processing is also described in [25], and we refer to that paper
for a detailed discussion. Here we only mention that we used the pipeline
developed by the ESA NIRSpec Science Operations Team and the NIRSpec
GTO Team. In this paper we adopt a 3-pixels (0.3′′) extraction along the slit,
as it improves the S/N of the spectrum (for point sources).

Moreover, here we combine the grating spectra in their overlapping ranges,
which increases the S/N in those regions. The combined spectra in these regions
were resampled to 8Å around the NIV doublet, not to affect resolution, and to
12Å around the CIV, as in this case higher S/N is required on the continuum
to properly trace the CIV absorption.

In the paper we adopt the flat λCDM cosmology from Planck18 with H0

= 67.4 km/s/Mpc and Ωm = 0.315 [102].

1.2 Emission line fitting

Emission lines were fitted by using one or multiple Gaussian lines and a simple
power law for continuum subtraction. The best-fit parameters for the contin-
uum and Gaussian components were found using the MCMC algorithm to
estimate the uncertainties. For the purposes of this paper, each line in the rest-
frame UV was fitted independently, except for doublets or multiplets, whose
line widths were forced to the same value (but see discussion below for the
CIII] doublet) and the relative wavelength separation of the doublet/multi-
plet was forced to the nominal rest-frame wavelength. The absolute velocity
of each line (or group of lines in the case of doublets and multiplets) was not
constrained to the exact redshift given in [25], in order to both allow for small
wavelength calibration uncertainties associated with the positional uncertain-
ties of the target within the shutter (Jakobsen, priv. comm.) and also to allow
for small velocity shifts between different lines, which are common in AGN,
and especially in the BLR. We restricted our fitting to the lines of interest
for this paper. The inferred line widths are deconvolved from the line spread
function as inferred for the GNz11 light profile.

Table.1 provides the list of the fitted emission line widths and fluxes and
Fig. 5 shows the additional fitted lines not shown in the main text.

For the CIII]1906,1908 doublet it is not possible to resolve the two com-
ponents; attempting to fit it with two components makes the fit degenerate
between width and intensity of the two components. The additional caveat
of this CIII] doublet is that it is also commonly seen in normal star-forming
galaxies (and in the NLR of AGN), so it can also have a contribution from the
host galaxy, as for the [NeIII] emission. As a consequence we do not include
the unresolved CIII] in our analysis as it does not provide constraints on either
the BLR nor the host galaxy. In Tab.1 we report the total flux and width using
a single Gaussian. However, for sake of completeness, we report that by fit-
ting two components with separate FWHM accounting for the NLR and BLR
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Table 1 Measured fluxes and FWHM of the emission lines used in this work.

Emission line λ0 Flux Doublet-Multiplet FWHM
Å (×10−19) ergs s−1 cm−2 ratios km s−1

NV 1239+1243 <3.5a

[NIV] 1483.32 < 1.6a

CII* 1335 5.6+1.27
−1.26 380 ± 80

NIV] 1486.50 10.4+1.8
−1.6 470 ± 50

CIV](emission) 1550.77 3.2+0.9
−0.8

HeII 1640.50 6.0+1.4
−1.3 1200 ± 380

NIII] multiplet-total 10.3+2.1
−1.3 430 ± 80b

1746.82c/total 0.02+0.01
−0.01

1748.64d/total 0.24+0.05
−0.05

1749.67/total 0.37+0.06
−0.06

1752.16c/total 0.14+0.06
−0.06

1753.99d/total 0.25+0.04
−0.04

CIII] 1906+1908 9.9+0.9
−0.9 610 ± 60e

MgII 2796+2804 4.6+0.6
−0.6 430 ± 65f

2796/2804 1.36+0.67
−0.42

[NeV] 3426.86 < 1.5a

[NeIV] 2424+2422 (fit)g 2.9+0.85
−0.76 380 ± 110

2424+2422 (int)g 3.14+0.65
−0.65

[NeIII] 3869.68 10+0.7
−0.7 340 ± 30

HeI+H8 3889.73 3.7+0.76
−0.75 360 ± 50

Hδ 4101.73 5.1+0.9
−0.75 410 ± 70

Hγ 4340.47 9.2+2.9
−2.8 360 ± 80

Notes: a3σ upper limit (in the case of NV is the upper limit on the sum of the doublet);
bthe four components of the multiplet are forced to have the same width in the fit; cas the

components λ1746.82 and λ1752.16 come from the same level, their fluxes are forced to
have the ratio given by their Einstein’s coefficients, i.e. 1746.82/1752.16=0.146; das the
components λ1748.64 and λ1753.99 come from the same level, their fluxes are forced to
have the ratio given by their Einstein’s coefficients, i.e. 1753.99/1748.64=1.05; efor the
CIII] doublet is totally blended and is here fitted with a single Gaussian (see text for a
more complex, but uncertain decomposition); f the two components of the MgII doublet
are forced to have the same width; g in the case of the [NeIV] doublet, as it is a key line,

we provide both the result from MCMC fitting, assuming a single Gaussian (first line) and
also by simply taking the integrated flux (second line).

gives CIII]λ1906/λ1908 of 0.62+1.00
−0.37 for the narrow components, with FWHMs

of 314±120 kms−1 (consistent with the [NeIII] width), and 560±80 kms−1 for
the CIII]λ1908 broad component (consistent with the NIV] width).

The [OII]3726,3729 doublet would potentially be an additional forbidden
line, detected in the observed wavelength range, which could be used to con-
strain the velocity dispersion in the host galaxy. However, unfortunately, the
doublet is unresolved. Attempting to fit it (by forcing the two components to
have the same width) results in a FWHM of 365±55 kms−1 and a flux ratio
of 0.62+0.31

−0.21.

1.3 CIV absorption and emission

In this section, we provide some additional details on the CIV absorption. As
mentioned in the text, CIV P-Cygni profiles with a significant CIV blueshifted
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Fig. 5 Zoom in on the additional emission lines fitted. a) CIII]λ1906,1908 doublet. As the
doublet is unresolved, the fit turns out degenerate between line width and fluxes of the
two components; moreover it is also contributed to by star formation in the host galaxy
(see text for details); b) MgIIλ2796,2804 doublet; c) HeIIλ1640; d) Lyα, NVλ1238,1242
doublet (undetected) and SiIIλ1260,1264 (undetected), corrected for the Lyα damping wing;
e) CII/CII∗λλ1334,1335 doublet; f) expected flux of the NIV1718 line in the case that
NIV]1486 was associated with WR stars; g) [NeIII]λ3869 profile compared with the Balmer
lines Hδ and Hγ. In all panels, the continuum is subtracted. The black dotted lines indicate
the noise level.

trough are seen associated with atmospheres of young, hot stars. Yet, the
depth of this feature is a strong function of metallicity [40], and the deep
trough observed in GNz11 would require stars with solar or even super-
solar metallicities, completely inconsistent with the much lower metallicity
inferred for GNz11. To illustrate the inconsistency with the pure stellar ori-
gin, we have stacked 11 UV spectra from the CLASSY HST survey [32], with
metallicity around the value inferred for GNz11 by [25] (Z = 0.1 Z�), specifi-
cally 7.4<12+log(O/H)<7.9. We were conservative by excluding galaxies with
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strong CIV emission. We also excluded one WR galaxy, as we discuss that the
spectrum cannot be dominated by WR stars (see text and section 1.5). The
continuum of the spectra were normalized to one by using a simple linear fit in
the spectral ranges 1410–1480Å and 1560–1600Å, consistent with the analysis
of the spectrum of GNz11 in the same spectral region (Fig.1d). The resulting
stacked spectrum is shown with a dashed, orange line in Fig.1d, and illustrates
inconsistency with the trough seen in GNz11. To be conservative, in Fig.1c
we also show the case of the most extreme spectrum among the 11 selected,
the one with the deepest CIV absorption. While the wings of the stellar winds
can extend out to 2000 km/s, the profile and depth observed trough at these
metallicities is inconsistent with the observed trough in GN-z11 at 5σ.

The blueshifted CIV trough (and redshifted emission) therefore is not a
P-Cygni feature associated with stellar (atmosphere) winds. Rather, it is trac-
ing a galactic outflow, as observed in lower redshift starbursts (e.g. [42]) and
in (mini-)BAL/NAL AGN [44, 103–107]. The determination of the velocity
requires knowledge of the exact wavelength of the redshifted, rest-frame CIV
transition. Unfortunately there are small wavelength uncertainties associated
with each grating due to the uncertainties of the location of the sources within
the shutter (Jakobsen, priv. comm.). In this specific case we calibrate the veloc-
ity shift based on the NIV line, which is in the same gratings and has similar
ionisation potential as CIV. The outflow “velocity” is also subject to differ-
ent definitions. The centroid of the through relative to the mean of the two
CIV transitions gives a velocity of –790 km/s. If we consider the blue edge of
the trough relative to the bluest of the two transitions (CIVλ1548.19) then we
obtain a velocity of –1040 km/s. These velocities are significantly higher than
those inferred from the CIV absorption in starburst-driven outflows [42, 108],
but in the range of BAL quasars which can span from 500 km s−1 to several
thousands km s−1 [44–46, 103–107].

The classification boundary between “mini-BAL” and “NAL” AGN in not
sharp, with different authors giving different definitions in terms of width
and/or blueshift of the absorption [44, 103–107]. Here simply give a generic
classification as mini-BAL/NAL without aiming at a more specific category.

It should be noted that some past works have reported some rare starburst
galaxies showing outflows with high velocities, even in excess of 1000 km/s
[109–112]. However, these outflows are traced by lower ionization transitions
(MgII absorption and [OIII] emission). More importantly, a close inspection
of those cases reveal that each of them show some AGN signature ([NeV]
emission and/or broad MgII emission and/or broad Hβ emission and/or X-
ray emission and/or located in the AGN or composite region of diagnostic
diagrams); therefore, although the AGN contribution to the bolometric lumi-
nosity of these galaxies may be arguable (also taking into account the variable
nature of AGN), it is likely that the high velocity outflows seen in these rare
cases is actually driven by the AGN that they host.

Finally, it should be noted that the CIV absorption trough goes nearly to
zero (as in many BAL QSOs), which would imply total covering factor of the
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emitting source by the outflowing ionized gas along our line of sight. However,
the errors leave scope for a contribution of 30% of the emission potentially not
covered by the CIV absorption, which can be associated with the extended
host galaxy. Yet, if higher S/N data confirms the CIV trough going to zero, this
would imply that the outflow has an extent covering also the host galaxy, i.e.
∼400 pc, which would be fully consistent with recent findings of BAL outflows
extending on scales of up to several kpc [113–117].

Given that CIV is a resonant line, the observed redshifted emission is most
likely tracing the CIV counterpart of the redshifted Lyα emission seen in [25].
i.e. the receiding side of the outflow.

We finally note that the spectrum between Lyα and the NV doublet show
the tenative signature of a NV blueshifted trough (Fig.5d), which would be
associated with the highly ionized outflow, but it requires additional data to
be confirmed.

1.4 Constraints from other emission lines and diagnostics

Although the paper focuses on a few lines discussed in the main text, in this
section we also discuss other emission lines that have either lower S/N, more
severe blending, or whose upper (or lower) limits give line ratios that are fully
consistent with the AGN scenario.

1.4.1 MgII and CIII]

The MgII2796,2804 doublet is well resolved with the grating and in principle a
good tracer of gas density in the range between 109 and 1014 cm−3. However,
the observed ratio, 1.36+0.67

−0.42, is so uncertain to be consistent both with the low
density regime (ratio of ∼1) and the high density regime (ratio of ∼2). More-
over, even if additional data allows constraining the MgII doublet ratio more
tightly, these are resonant transitions, which are therefore strongly sensitive
to the optical depth and radiative transfer effects [118].

The CIII]λλ1907,1909 doublet would also be a good density tracer, as the
ratio of its two components is primarily sensitive to the gas density and changes
strongly between 104 and 106 cm−3 (with the blue component λ1907 going
to zero at high densities), similar to the NIV doublet. However, as discussed
above, the two components are unresolved with the grating, and we cannot
obtain reliable constraints on the gas density nor on the line widths. Even more
importantly, CIII] emission is commonly seen also in star forming galaxies and
in the NLR of AGN, so it may partially come also from the low density ISM of
the host galaxy, as it is the case for [NeIII]. It is interesting that when fitted
with narrow and broad components, as discussed in the previous section, the
narrow component gives widths formally consistent with the [NeIII], while the
broad component is consistent with the NIV width.
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1.4.2 NV and NeV

Additional transitions from species requiring ionizing photon energy higher
than about 60 eV, such as NV and NeV (in addition to NeIV seen in GN-
z11), are often seen as evidence for the presence of an AGN. Yet, conversely,
their absence should not be necessarily seen as evidence for the absence of an
AGN, as often these lines are weak even in AGN and remain undetected if the
S/N is not high enough [119–121]. Moreover, the intensity of these lines varies
strongly from case to case.
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Fig. 6 NV/CIV versus NV/HeII flux ratio diagram for GNz11 (golden circle) compared
with the ratios observed for the broad lines of of type 1 AGN (purple stars, [119]) and for
the NLR of type 2 AGN (red squares, [120]), illustrating that the non-detection of NV for
GNz11 is not constraining and consistent with the AGN scenario.

With the prism it is not possible to assess the presence of NV because
it is blended with Lya and its damping wing. Regarding the gratings, the
G140M band, where NV is redshifted, is the least sensitive of the three medium
resolution spectra. Although there is a hint of the NV doublet (Fig.5, a 2σ
integrated signal) we obviously do not quote it as a tentative detection. The
inferred upper limit on the NV emission is not very constraining, but the
important aspect in the context of this paper is that it is still fully consistent
with the presence of an AGN. We demonstrate this in Fig.6, where the upper
limits on the NV/CIV and NV/HeII ratios for GN-z11 are compared with a
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sample of the broad lines in type 1 AGN [119] and also with a sample of the
NLR in type 2 AGN [120], and clearly illustrating that the non-detection of
NV is fully consistent with the AGN scenario.

It is interesting also to compare NV with NIV, as this ratio is not depen-
dent on the nitrogen abundance, although NIV is detected (or reported) less
frequently in AGN. In the well studied type 1.8 AGN at z=5.5, GS-3073
[70, 122, 123], the NV is five times fainter than NIV, which would be totally
undetected in our spectrum. In the type 1 quasars explored by [124] the NIV
broad line is very strong, while NV is undetected, with an upper limit that is
about ten times lower than the NIV flux.

NeV is also not detected, neither in the grating nor in the prism spectrum.
The upper limit on the NeV/NeIII ratio is about 0.2. However, [121] has shown
that AGN models can have NeV/NeIII as low as 10−2 − 10−4. Hence also the
non-detection of NeV is not constraining about the presence of an AGN.

Finally, we note that AGN accreting at super-Eddington rates have a lower
energy cutoff, hence are less likely to emit hard photons that can produce
highly ionised species, such as NV and NeV.

1.4.3 HeII and CIV

HeII is detected in the prism and, more marginally, in the grating (Fig.5).
As already discussed, CIV is clearly detected in the grating, but with a

P-Cygni profile, hence its flux is an lower limit because of self-absorption.
The interpretation of these limits using photoionization models is very

much model-dependent. We illustrate this in Fig. 7a-b. Specifically, Fig. 7a, as
in [25], shows the location of GNz11 on the CIII]/CIV versus HeII/CIII] dia-
gram and where the red-squared and blue-triangle symbols show the location
of models from [26] and [125] for the the NLR of AGNs and for star forming
galaxies, respectively, and in a range of about ±0.3 (see legend) dex of the
metallicity inferred by [25] for GNz11. Clearly, GNz11 can be consistent with
both AGN and star forming models.

Fig.7b shows the same diagram where we instead plot the models from
[126], in the same (low) metallicity range for both AGN and SF galaxies.
Clearly, in this case GNz11 is much more consistent with the AGN models and
inconsistent with the models for star forming galaxies.

Yet, if the permitted and semi-forbidden lines of GNz11 are coming from
the BLR, as argued in this paper, then neither of the models above actually
apply, as they are developed for the low density environments of the NLR and
HII regions. It is therefore more instructive to compare with the line ratios
observed in the BLR of type 1 AGN. These are taken from the compilation of
[119] and shown with purple-starred symbols in Fig. 7c. Clearly, the line ratios
observed in GNz11 are fully consistent with the broad lines of type 1 AGN.
For completeness, in the same panel we also plot the ratios observed for the
NLR of type 2 AGN, compiled by [120] (mostly overlapping with the ratios
observed for the broad lines).
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1.5 The WR scenario

In this section we discuss the scenario recently proposed that GN-z11 may be
similar to local WR galaxies [34].

The HeII marginal detection shows a potentially broad profile (∼ 1000
km/s), which may resemble the broad HeII profile characteristic of WR stars,
although the broad wings are mostly in the noise. Therefore, there might be
a contribution from WR stars and, specifically, WN stars, given the strong
nitrogen lines.

However, there are various spectral features that cannot be accounted in
the WN scenario.

WN stars are also characterised by very strong NIVλ1718 resonant emis-
sion, stronger than the NIVλ1486, and typically with a prominent P-Cygni
profile [29]. In GN-z11, despite the very strong NIVλ1486, there is no trace of
the NIVλ1718 line. In Fig.5e we show the spectrum of GN-z11 at the expected
location of NIVλ1718 and where the shaded red region shows the expected
intensity of the line, based on the strength of the NIVλ1486 line. Clearly, the
GN-z11 spectrum is totally inconsitent with the presence of the NIVλ1718 WR
signature.

Additionally, neither [NeIV]λ2424 nor CII∗λ1335 are ever seen associated
with the WR population [29].

Finally, even if WN show prominent NIII] emission, the strength of the
λ1754 component of the multiplet is much fainter in WR galaxies such as
Mrk966 [32], and consistent with densities typical of the ISM.

Summarising, although WR stars might be present in GN-z11, they are
unlikely to dominate the excitation of most nebular lines.
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1.6 Photoionization modelling

We used the Cloudy photoionization code [127] to explore the effect of varying
physical conditions on various emission line ratios constrained by JWST/NIR-
Spec. The primary goal is to explore the ratios of emission lines within a
given doublet or multiplet, hence lines of the same ion (specifically NIII and
NIV) that are effectively insensitive to the chemical abundance and ionization
parameter, while sensitive to density and only with secondary dependence on
temperature. For this reason, the details of the photoionization models are
not as critical as when exploring other line ratios. We considered a nebula of
constant pressure in plane-parallel geometry. However, we have verified that
other scenarios, such as a cloud with constant density, do not impact our find-
ings. For completeness, we considered both AGN and stellar templates as the
shape of the incident radiation field. Its normalization is set by the ioniza-
tion parameter, defined as U ≡ ΦH/(nHc) where ΦH is the surface flux of
hydrogen-ionizing photons at the illuminated face of the nebula, nH is the
number density of hydrogen, and c is the speed of light. The hydrogen density
and ionization parameter were varied in logarithmic steps of 1, respectively
from nH = 1 cm−3 up to nH = 1014 cm−3, and starting at log10 U = −3 and
ending at log10 U = −1 [e.g. 26, 125, 126].

In the AGN scenario, we adopted the multi-component continuum tem-
plate implemented in Cloudy, consisting of a black body and a power-law,
varying the black body temperature (TAGN/(105 K) ∈ {1, 10, 100}) while fix-
ing the power-law slope to α = −1.4 (note that this is the slope undelying
the black body at energies above the Ly-edge) and leaving other optional
parameters as default. For the AGN models, we considered gas-phase metal-
licities of Zneb = 0.1 Z� and Zneb = 1 Z�. The star-forming models, on the
other hand, are restricted to Zneb = 0.1 Z�, since the hard ionising spec-
tra of metal-poor stars are essential to form sufficient triply ionised nitrogen
(requiring 47.5 eV), whose presence in GN-z11 is evidenced by the strong NIV
emission (EWNIV 1486 = 9.0 ± 1.1 Å; [25]), while metal rich stars would not
produce enough hard ionizing photons to make the NIV line visible. In the star-
formation scenario, we employed stellar population synthesis models including
binary stars generated by bpass v2.1 [128] for a single burst of star forma-
tion (with varying ages, t∗/Myr ∈ {1, 10, 100}), assuming the same metallicity
as the gas (i.e. Z∗ = Zneb = 0.1 Z�) and a [129] initial mass function (IMF)
that ranges in stellar mass from 1 M� to 100 M�. Both in the AGN and star-
formation cases, calculations are run until a neutral hydrogen column density
of NHI = 1021 cm−2 is reached to ensure that in all models the nebula is matter
bounded; we note, however, that the highly ionised nitrogen lines are produced
in the very inner part of the cloud, such that the boundary conditions do not
significantly affect our results. In total, this results in a parameter grid of 15
different densities, 3 ionization parameters, 3 temperatures or stellar ages, 2 or
1 metallicities for the AGN and star-formation models respectively, or a total
of 15× 3× (3× 2 + 3× 1) = 405 possible model configurations.
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The relevant nitrogen line ratios for all of these (except for 8 cases where
Cloudy reported a failure) are shown in Fig. 2, from which we conclude that
they are consistent between the AGN and star-formation scenario, and their
density dependence is largely independent of ionization parameter, metallicity,
or the precise shape of the incident radiation field (i.e. AGN or star formation
and the corresponding parameter TAGN or t∗).

At high densities, the NIVλ1483/NIVλ1486 ratio approaches zero (nH &
106 cm−3; see also [34]) while NIII]λ1754 plateaus at a fractional contribution
to the multiplet of ∼ 0.23 at higher densities still (nH & 1010 cm−3), both
pointing towards the presence of a broad line region in GN-z11 given the
observed values.

1.7 Continuum shape

If GN-z11 is a type 1 AGN, then we should be directly seeing the light from
the accretion disc. In the case that the accretion disc dominates, the UV-to-
optical continuum should follow a simple power-law in the form Fλ ∝ λβ with
β = −7/3 ≈ −2.33 [130], as indeed observed in type 1 AGN, and NLSy1
[82, 131], modulo the UV turnover whose wavelength increases with black
hole mass and also modulo effects of dust reddening, which often makes the
spectrum redder.
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Fig. 8 Left: Observed prism spectrum of GN-z11 (black solid) compared with the (max-
imum) contribution from the host galaxy of the AGN as inferred by [24] (orange dotted),
and the nebular emission inferred from a simple Cloudy model (purple dashed) normalized
to the Hγ flux not included in the galaxy model. Right: GNz11 spectrum subtracted of the
galactic and nebular continua, in a log-log scale, whose regions not affected by emission lines
(solid black) have been fitted with a simple powerlaw (red-dashed) resulting into a slope of
−2.26 ± 0.10, consistent with the slope expected for an accretion disc (−2.33, dotted green
line).

In the case of GN-z11 the spectrum is contributed to also by the under-
lying galaxy identified by [24] in the NIRCam images. This component is
significantly fainter than the nuclear point-like component. It is difficult to
quantitatively establish its contribution to the spectrum, because part of light
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may fall outside the shutter, and in a different fraction in the four dither/-
pointing positions, and not easy to reconstruct because of the slight positional
uncertainties discussed above. In Fig.8a we show the contribution from the
galactic component (dotted-orange line) to the spectrum assuming that the
entire light of the galaxy is captured by the spectrum, corresponding to about
1/3 of the flux, and using the spectral template inferred by [24] for the extended
component.

The additional component to take into account is the nebular continuum
associated with the BLR (as well as any other ionized gas in the host galaxy).
The BLR typically has a low covering factor [132], therefore the nebular con-
tinuum is not expected to be strong, but its contribution must be quantified.
In most physical conditions typical of the ionized gas in the BLR, NLR or HII
regions, the nebular continuum is linked to the intensity of the Balmer lines.
We have estimated the nebular emission using a Cloudy model with metallicity
of 0.1 Z� and a density of 106 cm−3 (between the BLR and ISM origin sce-
narios) and normalized to have the same Hγ flux as observed in the spectrum
of GNz11. The nebular spectrum does not change drastically as a function of
density, except obviously for the emission of the forbidden and semi-forbidden
lines; however, our focus is on the nebular continuum, so we ignore the mis-
match of the emission lines, as a detailed photoionization modelling of their
flux is beyond the scope of this paper. We note that the nebular continuum
is also included in the model spectrum fit to the extended component by [24];
therefore, not to include it twice, we have measured the Hγ flux in the [24]
spectrum and normalized the Cloudy nebular spectrum only to the Hγ flux
obtained by the difference of the observed value and the flux in the [24] model
spectrum. The resulting nebular spectrum is shown with a dashed purple line
in Fig.8a; once again, the mismatch of the emission lines should be disregarded,
as the goal is not to reproduce them with the Cloudy model.

Fig.8b shows again the observed spectrum, in log-log scale, where the galac-
tic and nebular components have been subtracted. Altnohugh the noise is large,
especially at long wavelengths, also as a consequence of the model subraction
procedure, the resulting spectrum is well fitted by a simple powerlaw, in the
parts not affected by emission lines. The best-fitting slope is –2.26±0.10, hence
consistent with the continuum expected from an accretion disc. Note that this
is not evidence in support of the presence of an AGN, also young galaxies may
have power-law shapes, it is only meant to show consistency with the AGN
scenario.

We finally note that, although with large scatter, the UV spectrum of AGN
often shows a FeII hump between ∼2300Å and ∼3100Å [133–137]. The prism
spectrum of GN-z11 does not show an obvious FeII bump, although a more
detailed analysis and modelling is required to assess the presence or absence of
such a bump, which is deferred to a separate paper. However, we note that at
such early epochs the there is little time for the ISM to be enriched with iron
through the SNIa channel [138], so a weak or absent FeII bump would not be
unexpected.
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1.8 Variability

The luminosity of AGN can be variable, from a few percent to a factor of a few,
on short (days) and long (years) timescales. We have investigated the possible
presence of variability. Before the recent NIRCam images obtained in February
2023 [24], deep photometric observations were obtained with HST about ten
years earlier [8, 18], corresponding to about one year in the rest frame of GN-
z11. Most of the HST photometric datapoints have errorbars that are too
large to be useful for constraining variability. However, the photometric point
reported in [18] with the F160W filter has a relatively well constrained value:
150±10 nJy, within an aperture of 0.35′′. NIRCam does not have the same
filter, however, the photometry obtained in the F150W filter can be used and
transposed to the F160W filter by using the NIRSpec prism spectrum. After
extracting photometry from a 0.35′′ aperture (as in [18]), and extrapolating
with the NIRSpec spectrum, we obtain a F160W equivalent photometry of
141±2 nJy, which is consistent with the HST previous photometry within
1σ. If we consider that about 30% of the flux is diluted by the host galaxy,
the comparison of the photometry between the two epochs would indicate a
variability of 10% at only 1σ. This is certainly not a detection of variability,
but it is consistent with the range of variability amplitudes observed in NLSy1
and, more broadly, in type 1 AGN [139].

1.9 X-ray emission

GN-z11 is not detected in X-rays. Flux limits are obtained from the Chandra
Deep Field North which was a 2 Ms observation performed in 2002 (see [140] for
final results). Their sensitivity map gives a point source limit in the Soft (0.5-2
keV), Hard (2-7 keV) and Full (0.5-7 keV) bands of 1.54× 10−17, 7.9× 10−17

and 4.9×10−17 erg cm−2 s−1. Source detection requires a no-source probability
P<0.004. The tightest limit in the Soft Band translates to a restframe 5.8-
23.2keV luminosity limit at z=10.6 of 2.2×1043 erg s−1. Assuming a typical
NLS1 photon index of 2.3 means that LX(2-10 keV) is less than 3×1043 erg s−1.

The Bolometric Correction for NLS1 in the 2-10 keV band, BCX, is about
100 [141]. There is a significant systematic uncertainty here due to the unseen
flux in the FUV where the emission is expected to peak (see Fig.3 in [142]).
Moreover the 2-10 keV flux entirely orginates from the corona, the early devel-
opment of which and possible dependence on black hole spin are unknown
([143] cautions against using his X-ray BC values for NLS1). Proceeding with
BCX = 100 means that the Chandra upper limit is almost 3 times above the
luminosity inferred from the JWST flux at 1400Å. We predict a conservative
SB flux of 5 × 10−18 erg cm−2 s−1. This would be detectable in about 1 Ms
with the candidate NASA Probe mission AXIS. The coronal emission from
local NLS1s is highly variable and the above BC represents a mean value (note
that the intrinsic disc flux seen in the UV is much less variable, e,g, [142]).
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1.10 BH mass estimate and bolometric luminosity

For the vast majority of high redshift AGN the black hole masses are inferred
using single-epoch measurements and the so-called virial relations, i.e. rela-
tions between the black hole mass, the width of the lines of the BLR and the
continuum or line luminosity [e.g. 68, 144–150]. These relations are calibrated
on nearby AGN, using either reverberation mapping techniques and/or direct
dynamical measurements of the black hole. The black hole mass scales about
as the square power of the width of the BLR lines and about as the square
root power of the luminosity, with a proportionality constant that depends on
the specific waveband (or line) for the luminosity estimation.

The most accurate virial relations would be those using Hα and Hβ. In
our case Hγ could be used as a proxy. However, as discussed, the Balmer lines
are likely contributed to by the star formation in the host galaxy, hence not
reliable to trace the black hole mass.

The CIII] doublet is also sometimes used to infer the black hole mass.
However, this is not well resolved and, as for the case of the Balmer lines, this
is likely contaminated by the ISM and star formation in the host galaxy.

MgII is often used. In our case the MgII doublet is clearly detected, but
the S/N is fairly low for the measurement of the width (Fig.5). If we take the
width resulting from the fit and the relation provided by [53]:

log

(
MBH

M�

)
= 6.86 + 0.5 log

(
(λLλ)3000Å

1044erg/s

)
+ 2 log

(
FWHMMgII

103kms/s

)
then we get a black hole mass of 1.4×106 M�. However, given the low S/N

on the MgII doublet, we prefer to use as representative width of the BLR lines
the profile of the high S/N and isolated NIV line. If we adopt this width into
the equation above, we obtain a black hole mass of 1.6×106 M�. As discussed
in the text, the uncertainty is totally dominated by the scatter in the virial
scaling relation, which is about 0.3 dex [55].

We derive the bolometric luminosity of the AGN by using the contin-
uum luminosity at λrest = 1400Å and the luminosity-dependent bolometric
correction given by [143]:

Lbol

(λLλ)1400Å

= 7

(
(λLλ)1400Å

1042erg/s

)−0.1

We also assume, as discussed in the previous sections, that 30% of the contin-
uum flux at this wavelength is due to the underlying galactic component ([24])
and that, therefore, the AGN continuum luminosity at this wavelength is 0.7
of the observed value. We infer a bolometric luminosity of 1.08 × 1045 erg/s.
The resulting ratio between bolometric and Eddington luminosity is 5.5, also
affected by an uncertainty of a factor of at least 2, coming from the uncertainty
on the black hole mass.
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Franx, M., van Dokkum, P.G., Momcheva, I., Ashby, M.L.N., Fazio,
G.G., Huang, J.-S., Willner, S.P., Gonzalez, V., Magee, D., Trenti, M.,
Brammer, G.B., Skelton, R.E., Spitler, L.R.: The Most Luminous z ˜9-
10 Galaxy Candidates Yet Found: The Luminosity Function, Cosmic
Star-formation Rate, and the First Mass Density Estimate at 500 Myr.
ApJ 786(2), 108 (2014) https://arxiv.org/abs/1309.2280 [astro-ph.CO].
https://doi.org/10.1088/0004-637X/786/2/108

[19] Oesch, P.A., Bouwens, R.J., Illingworth, G.D., Labbé, I., Stefanon, M.:
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G.C., Kumari, N., Rawle, T.: A massive black hole in a low-metallicity
AGN at z ∼ 5.55 revealed by JWST/NIRSpec IFS. arXiv e-prints, 2302–
06647 (2023) https://arxiv.org/abs/2302.06647 [astro-ph.GA]. https://
doi.org/10.48550/arXiv.2302.06647

[71] Ding, X., Onoue, M., Silverman, J.D., Matsuoka, Y., Izumi, T., Strauss,
M.A., Jahnke, K., Taufik Andika, I., Aoki, K., Baba, S., Bieri, R.,
Bosman, S.E.I., Eilers, A.-C., Fujimoto, S., Habouzit, M., Haiman, Z.,
Imanishi, M., Inayoshi, K., Iwasawa, K., Kashikawa, N., Kawaguchi, T.,
Kohno, K., Lee, C.-H., Li, J., Lupi, A., Lyu, J., Nagao, T., Overzier,
R., Phillips, C.L., Schindler, J.-T., Schramm, M., Shimasaku, K., Toba,
Y., Trakhtenbrot, B., Trebitsch, M., Treu, T., Umehata, H., Vene-
mans, B.P., Vestergaard, M., Volonteri, M., Walter, F., Wang, F., Yang,
J.: First detections of stellar light from quasar host galaxies at z ¿
6. arXiv e-prints, 2211–14329 (2022) https://arxiv.org/abs/2211.14329
[astro-ph.GA]. https://doi.org/10.48550/arXiv.2211.14329

[72] Zhu, Q., Li, Y., Li, Y., Maji, M., Yajima, H., Schneider, R., Hernquist,
L.: The Formation of the First Quasars. I. The Black Hole Seeds, Accre-
tion and Feedback Models. arXiv e-prints, 2012–01458 (2020) https:
//arxiv.org/abs/2012.01458 [astro-ph.GA]. https://doi.org/10.48550/
arXiv.2012.01458

[73] Bhowmick, A.K., Blecha, L., Ni, Y., Di Matteo, T., Torrey, P.,
Kelley, L.Z., Vogelsberger, M., Weinberger, R., Hernquist, L.: Prob-
ing the z & 6 quasars in a universe with IllustrisTNG physics:
impact of gas-based black hole seeding models. MNRAS 516(1), 138–
157 (2022) https://arxiv.org/abs/2205.05717 [astro-ph.GA]. https://doi.
org/10.1093/mnras/stac2238

[74] Smidt, J., Whalen, D.J., Johnson, J.L., Surace, M., Li, H.: Radia-
tion Hydrodynamical Simulations of the First Quasars. ApJ 865(2),
126 (2018) https://arxiv.org/abs/1703.00449 [astro-ph.GA]. https://doi.
org/10.3847/1538-4357/aad7b8

[75] Trinca, A., Schneider, R., Valiante, R., Graziani, L., Zappacosta, L.,
Shankar, F.: The low-end of the black hole mass function at cos-
mic dawn. MNRAS 511(1), 616–640 (2022) https://arxiv.org/abs/2201.
02630 [astro-ph.GA]. https://doi.org/10.1093/mnras/stac062

[76] Volonteri, M., Habouzit, M., Colpi, M.: What if young z ¿ 9
JWST galaxies hosted massive black holes? MNRAS 521(1), 241–
250 (2023) https://arxiv.org/abs/2212.04710 [astro-ph.GA]. https://doi.
org/10.1093/mnras/stad499

{arXiv:2302.06647}
https://doi.org/10.48550/arXiv.2302.06647
https://doi.org/10.48550/arXiv.2302.06647
{arXiv:2211.14329}
https://doi.org/10.48550/arXiv.2211.14329
{arXiv:2012.01458}
{arXiv:2012.01458}
https://doi.org/10.48550/arXiv.2012.01458
https://doi.org/10.48550/arXiv.2012.01458
{arXiv:2205.05717}
https://doi.org/10.1093/mnras/stac2238
https://doi.org/10.1093/mnras/stac2238
{arXiv:1703.00449}
https://doi.org/10.3847/1538-4357/aad7b8
https://doi.org/10.3847/1538-4357/aad7b8
{arXiv:2201.02630}
{arXiv:2201.02630}
https://doi.org/10.1093/mnras/stac062
{arXiv:2212.04710}
https://doi.org/10.1093/mnras/stad499
https://doi.org/10.1093/mnras/stad499


38 A small and vigorous black hole in the early Universe

[77] Schneider, R.e.a.: Are we surprised to find SMBHs with JWST at z ≥ 9?
MNRASsubm. (2023) [astro-ph.GA]

[78] Trinca, A., Schneider, R., Maiolino, R., Valiante, R., Graziani, L., Volon-
teri, M.: Seeking the growth of the first black hole seeds with JWST.
MNRAS 519(3), 4753–4764 (2023) https://arxiv.org/abs/2211.01389
[astro-ph.GA]. https://doi.org/10.1093/mnras/stac3768

[79] Cameron, A.J., Katz, H., Rey, M.P., Saxena, A.: Nitrogen enhance-
ments 440 Myr after the Big Bang: super-solar N/O, a tidal disruption
event or a dense stellar cluster in GN-z11? arXiv e-prints, 2302–
10142 (2023) https://arxiv.org/abs/2302.10142 [astro-ph.GA]. https://
doi.org/10.48550/arXiv.2302.10142

[80] Wills, B.J., Brandt, W.N., Laor, A.: PKS 1004+13: A High-Inclination,
Highly Absorbed Radio-loud QSO–the First Radio-loud Broad Absorp-
tion Line QSO at Low Redshift? ApJ 520(2), 91–94 (1999) https://arxiv.
org/abs/astro-ph/9906074 [astro-ph]. https://doi.org/10.1086/312165

[81] Mathur, S.: Narrow-line Seyfert 1 galaxies and the evolution of galax-
ies and active galaxies. MNRAS 314(4), 17–20 (2000) https://arxiv.org/
abs/astro-ph/0003111 [astro-ph]. https://doi.org/10.1046/j.1365-8711.
2000.03530.x

[82] Leighly, K.M., Moore, J.R.: Hubble Space Telescope STIS Ultraviolet
Spectral Evidence of Outflow in Extreme Narrow-Line Seyfert 1 Galax-
ies. I. Data and Analysis. ApJ 611(1), 107–124 (2004) https://arxiv.org/
abs/astro-ph/0402453 [astro-ph]. https://doi.org/10.1086/422088

[83] Matsuoka, K., Nagao, T., Marconi, A., Maiolino, R., Taniguchi,
Y.: The mass-metallicity relation of SDSS quasars. A&A 527, 100
(2011) https://arxiv.org/abs/1011.5811 [astro-ph.CO]. https://doi.org/
10.1051/0004-6361/201015584

[84] Matsuoka, K., Nagao, T., Maiolino, R., Marconi, A., Park, D., Taniguchi,
Y.: Chemical enrichment and accretion of nitrogen-loud quasars. A&A
608, 90 (2017) https://arxiv.org/abs/1709.07000 [astro-ph.GA]. https:
//doi.org/10.1051/0004-6361/201629878

[85] Koptelova, E., Hwang, C.-Y.: Dense nitrogen-enriched circumnuclear
region of the new high-redshift quasar ULAS J0816+2134 at z=7.46.
arXiv e-prints, 2212–05862 (2022) https://arxiv.org/abs/2212.05862
[astro-ph.GA]. https://doi.org/10.48550/arXiv.2212.05862

[86] Jiang, L., Fan, X., Vestergaard, M.: A Sample of Quasars with Strong
Nitrogen Emission Lines from the Sloan Digital Sky Survey. ApJ 679(2),
962–966 (2008) https://arxiv.org/abs/0802.4234 [astro-ph]. https://doi.

{arXiv:2211.01389}
https://doi.org/10.1093/mnras/stac3768
{arXiv:2302.10142}
https://doi.org/10.48550/arXiv.2302.10142
https://doi.org/10.48550/arXiv.2302.10142
{arXiv:astro-ph/9906074}
{arXiv:astro-ph/9906074}
https://doi.org/10.1086/312165
{arXiv:astro-ph/0003111}
{arXiv:astro-ph/0003111}
https://doi.org/10.1046/j.1365-8711.2000.03530.x
https://doi.org/10.1046/j.1365-8711.2000.03530.x
{arXiv:astro-ph/0402453}
{arXiv:astro-ph/0402453}
https://doi.org/10.1086/422088
{arXiv:1011.5811}
https://doi.org/10.1051/0004-6361/201015584
https://doi.org/10.1051/0004-6361/201015584
{arXiv:1709.07000}
https://doi.org/10.1051/0004-6361/201629878
https://doi.org/10.1051/0004-6361/201629878
{arXiv:2212.05862}
https://doi.org/10.48550/arXiv.2212.05862
{arXiv:0802.4234}
https://doi.org/10.1086/587868
https://doi.org/10.1086/587868


A small and vigorous black hole in the early Universe 39

org/10.1086/587868

[87] Juarez, Y., Maiolino, R., Mujica, R., Pedani, M., Marinoni, S., Nagao, T.,
Marconi, A., Oliva, E.: The metallicity of the most distant quasars. A&A
494(2), 25–28 (2009) https://arxiv.org/abs/0901.0974 [astro-ph.CO].
https://doi.org/10.1051/0004-6361:200811415

[88] Kaspi, S., Maoz, D., Netzer, H., Peterson, B.M., Vestergaard, M., Jan-
nuzi, B.T.: The Relationship between Luminosity and Broad-Line Region
Size in Active Galactic Nuclei. ApJ 629(1), 61–71 (2005) https://arxiv.
org/abs/astro-ph/0504484 [astro-ph]. https://doi.org/10.1086/431275

[89] Mandal, A.K., Rakshit, S., Stalin, C.S., Petrov, R.G., Mathew,
B., Sagar, R.: Estimation of the size and structure of the broad
line region using Bayesian approach. MNRAS 502(2), 2140–2157
(2021) https://arxiv.org/abs/2101.00802 [astro-ph.GA]. https://doi.
org/10.1093/mnras/stab012

[90] Volpato, G., Marigo, P., Costa, G., Bressan, A., Trabucchi, M., Girardi,
L.: A Study of Primordial Very Massive Star Evolution. ApJ 944(1), 40
(2023) https://arxiv.org/abs/2212.09629 [astro-ph.SR]. https://doi.org/
10.3847/1538-4357/acac91

[91] Charbonnel, C., Schaerer, D., Prantzos, N., Ramı́rez-Galeano, L.,
Fragos, T., Kuruvandothi, A., Marques-Chaves, R., Gieles, M.: N-
enhancement in GN-z11: First evidence for supermassive stars nucle-
osynthesis in proto-globular clusters-like conditions at high redshift
? arXiv e-prints, 2303–07955 (2023) https://arxiv.org/abs/2303.07955
[astro-ph.GA]. https://doi.org/10.48550/arXiv.2303.07955

[92] Nagele, C., Umeda, H., Takahashi, K., Maeda, K.: Pulsations of primor-
dial supermassive stars induced by a general relativistic instability; visi-
ble to JWST at z ¿ 12. MNRAS 520(1), 72–77 (2023) https://arxiv.org/
abs/2210.08662 [astro-ph.HE]. https://doi.org/10.1093/mnrasl/slad009

[93] Scoville, N., Norman, C.: Broad Emission Lines From the Mass-Loss
Envelopes of Giant Stars in Active Galactic Nuclei. ApJ 332, 163 (1988).
https://doi.org/10.1086/166641

[94] Alexander, T., Netzer, H.: Bloated Stars as AGN Broad-line Clouds:
The Emission Line Spectrum. MNRAS 270(4), 781–803 (1994) https:
//arxiv.org/abs/astro-ph/9404075 [astro-ph]. https://doi.org/10.1093/
mnras/270.4.781

[95] Scoville, N., Norman, C.: Stellar Contrails in Quasi-stellar Objects: The
Origin of Broad Absorption Lines. ApJ 451, 510 (1995). https://doi.
org/10.1086/176239

https://doi.org/10.1086/587868
https://doi.org/10.1086/587868
{arXiv:0901.0974}
https://doi.org/10.1051/0004-6361:200811415
{arXiv:astro-ph/0504484}
{arXiv:astro-ph/0504484}
https://doi.org/10.1086/431275
{arXiv:2101.00802}
https://doi.org/10.1093/mnras/stab012
https://doi.org/10.1093/mnras/stab012
{arXiv:2212.09629}
https://doi.org/10.3847/1538-4357/acac91
https://doi.org/10.3847/1538-4357/acac91
{arXiv:2303.07955}
https://doi.org/10.48550/arXiv.2303.07955
{arXiv:2210.08662}
{arXiv:2210.08662}
https://doi.org/10.1093/mnrasl/slad009
https://doi.org/10.1086/166641
{arXiv:astro-ph/9404075}
{arXiv:astro-ph/9404075}
https://doi.org/10.1093/mnras/270.4.781
https://doi.org/10.1093/mnras/270.4.781
https://doi.org/10.1086/176239
https://doi.org/10.1086/176239


40 A small and vigorous black hole in the early Universe

[96] Alexander, T., Netzer, H.: Bloated stars as AGN broad-line clouds: the
emission-line profiles. MNRAS 284(4), 967–980 (1997) https://arxiv.
org/abs/astro-ph/9608194 [astro-ph]. https://doi.org/10.1093/mnras/
284.4.967

[97] Harikane, Y., Ouchi, M., Oguri, M., Ono, Y., Nakajima, K., Isobe, Y.,
Umeda, H., Mawatari, K., Zhang, Y.: A Comprehensive Study on Galax-
ies at Z˜9-17 Found in the Early JWST Data: UV Luminosity Functions
and Cosmic Star-Formation History at the Pre-Reionization Epoch.
Publication Title: arXiv e-prints ADS Bibcode: 2022arXiv220801612H
Type: article. https://ui.adsabs.harvard.edu/abs/2022arXiv220801612H
Accessed 2022-09-21

[98] Giallongo, E., Grazian, A., Fiore, F., Kodra, D., Urrutia, T., Castel-
lano, M., Cristiani, S., Dickinson, M., Fontana, A., Menci, N., Pentericci,
L., Boutsia, K., Newman, J.A., Puccetti, S.: Space Densities and Emis-
sivities of Active Galactic Nuclei at z ¿ 4. ApJ 884(1), 19 (2019).
https://doi.org/10.3847/1538-4357/ab39e1

[99] Jakobsen, P., Ferruit, P., Alves de Oliveira, C., Arribas, S., Bagnasco,
G., Barho, R., Beck, T.L., Birkmann, S., Böker, T., Bunker, A.J., Char-
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Rix, H.-W., Rödel, A., Rumler, P., Sabbi, E., Salvignol, J.-C., Schmid,
T., Sirianni, M., Smith, C., Strada, P., te Plate, M., Valenti, J., Wette-
mann, T., Wiehe, T., Wiesmayer, M., Willott, C.J., Wright, R., Zeidler,
P., Zincke, C.: The Near-Infrared Spectrograph (NIRSpec) on the James
Webb Space Telescope. I. Overview of the instrument and its capabilities.
A&A 661, 80 (2022) https://arxiv.org/abs/2202.03305 [astro-ph.IM].
https://doi.org/10.1051/0004-6361/202142663

[100] Ferruit, P., Jakobsen, P., Giardino, G., Rawle, T., Alves de Oliveira, C.,
Arribas, S., Beck, T.L., Birkmann, S., Böker, T., Bunker, A.J., Char-
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Kumari, N., López-Caniego, M., Lützgendorf, N., Maiolino, R., Manjava-
cas, E., Marston, A., Moseley, S.H., Muzerolle, J., Pirzkal, N., Rauscher,
B., Rix, H.-W., Sabbi, E., Sirianni, M., te Plate, M., Valenti, J., Willott,
C.J., Zeidler, P.: The Near-Infrared Spectrograph (NIRSpec) on the
James Webb Space Telescope. II. Multi-object spectroscopy (MOS).
A&A 661, 81 (2022) https://arxiv.org/abs/2202.03306 [astro-ph.IM].

{arXiv:astro-ph/9608194}
{arXiv:astro-ph/9608194}
https://doi.org/10.1093/mnras/284.4.967
https://doi.org/10.1093/mnras/284.4.967
https://ui.adsabs.harvard.edu/abs/2022arXiv220801612H
https://doi.org/10.3847/1538-4357/ab39e1
{arXiv:2202.03305}
https://doi.org/10.1051/0004-6361/202142663
{arXiv:2202.03306}


A small and vigorous black hole in the early Universe 41

https://doi.org/10.1051/0004-6361/202142673
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ABSTRACT

All known Small Solar System Bodies have diameters between a few meters and a few thousands

of kilometers. Based on the collisional evolution of Solar System Bodies, a larger number of asteroids

with diameters down to ∼ 2 m is thought to exist. As all Solar System Bodies, Small Bodies can

be passive sources of high-energy gamma rays, produced by the interaction of energetic cosmic rays

impinging on their surfaces. Since the majority of known asteroids are in orbits between Mars and

Jupiter (in a region known as the Main Belt), we expect them to produce a diffuse emission close to

the ecliptic plane. In this work we have studied the gamma-ray emission coming from the ecliptic using

the data collected by the Large Area Telescope onboard the Fermi satellite. We have fit the results

with simulations of the gamma-ray intensity at source level (calculated with the software FLUKA) to

constrain the Small Solar System Bodies population. Finally, we have proposed a model describing

the distribution of asteroid sizes and we have used the LAT data to constrain the gamma-ray emission

expected from this model and, in turn, on the model itself.

1. INTRODUCTION

The Small Solar System Bodies (SSSBs) include

asteroids, comets, small planetary satellites and all the

other objects in the Solar System which are not planets,

dwarf planets or natural satellites. These bodies can

be mainly divided into three families: the Main Belt,

including all small bodies lying between the orbits of

Mars and Jupiter; the Trojans, which share an orbit with

a larger planet or moon; and the Kuiper Belt, made of

Trans-Neptunian objects. Asteroids are classified based

on their color, albedo and spectral types (Lodders &

Fegley 1998). About 75% of known asteroids belong

to the C-type class. These asteroids are extremely

dark, since their composition includes carbon in addition

to rocks and minerals. The second most abundant

taxonomic species are S-type asteroids, which represent

17% of the whole asteroids population. These asteroids

are moderately bright and consist mainly of iron and

magnesium silicates. Finally, most of the remaining

Corresponding author: S. De Gaetano, L. Di Venere and M. N.
Mazziotta

salvatore.degaetano@ba.infn.it, leonardo.divenere@ba.infn.it,
mazziotta@ba.infn.it

asteroids belong to the M-type class and are rich in

metals (mainly iron and nickel).

All known asteroids have diameters > 2 m (assuming

a spherical shape) and the majority is distributed along

the ecliptic plane. As for all other objects in the Solar

System, these bodies can be passive sources of gamma

rays, produced by inelastic interactions of cosmic rays

impinging on them. The result is the production of

a diffuse gamma-ray emission along the ecliptic plane

which, if observed, could provide a way to further

investigate the asteroid properties and, in particular, to

study the distribution of their sizes.

In the present work, we have studied the gamma-ray

flux from the ecliptic plane using the data collected by

the Fermi Large Area Telescope (LAT) from August

2008 to December 2020 and we have used these results

to constrain the gamma-ray emission from SSSBs. In

addition, we have used the FLUKA code to predict the

gamma-ray emission resulting from CRs interacting

with different types of asteroids. We have then used

the analysis results to constrain the total number of

asteroids with given properties. Finally, we have fit

the LAT data with a diffuse flux model of the SSSBs,

obtained by folding the gamma-ray intensity calculated

with FLUKA with a population distribution function

obtained by extending a model proposed by Davis et al.
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(2002) to diameters down to ' 20 cm. We have used the

fit results to constrain the parameters of the diffuse flux

and, in turn, the above-mentioned population model.

The

idea of probing asteroid populations using gamma-

ray observations was already considered by Moskalenko

et al. (2008) and Moskalenko & Porter (2009), who also

calculated the expected gamma-ray fluxes from asteroids

under some simplifying assumptions. In the present

work we propose a model that extends the previous ones,

by including a description of the spatial morphology of

the gamma-ray emission from asteroids.

2. SMALL SOLAR SYSTEM BODIES

The asteroid mass and size distributions are thought

to result from collisions during their evolution and

accretion. Collisions between asteroids give rise

to a cascade of fragments, shifting masses toward

smaller sizes, while slow accretion leads to the asteroid

growth (Dohnanyi 1969). Under these assumptions,

the size distribution can be described with a power-law

model:

dN

dr
= a r−α (1)

where asteroids are modelled as spheres of radius r and

the power-law index is α ' 2.7.

Assuming that all the asteroids are homogeneous

bodies with the same density ρ and a spherical shape,

their mass distribution (m = 4πρ
3 r3) is also described by

a power-law:

dN

dm
=
dN

dr

dr

dm
=
a

3

(
4πρ

3

)α−1
3

m−
α+2
3 = b m−κ (2)

with κ = α+2
3 and b = a

3

(
4πρ
3

)α−1
3 .

The parameter a can be calculated from the total mass

M of the whole asteroid population. In fact, assuming

that asteroid masses are distributed in the range from

m0 to m1, the total mass is given by:

M =

∫ m1

m0

m
dN

dm
dm =


b
m2−κ

1 −m2−κ
0

2− κ
for κ 6= 2

b log
m1

m0
for κ = 2

(3)

The parameter a is therefore given by:

a =



3M

4πρ
×

4− α
r4−α1 − r4−α0

for α 6= 4

3M

4πρ
×

1

log r1
r0

for α = 4

(4)

where r0 and r1 are respectively the radii of asteroids

with mass m0 and m1.

The total mass of the asteroids in the Main Belt

(semimajor axis ' 2.7 AU) and of Jovian Trojans

(semimajor axis ' 5.2 AU) is estimated to be of about

10−4 − 10−3M⊕, where M⊕ is the mass of the Earth,

while the total mass of the asteroids in the Kuiper

Belt beyond Neptune (semimajor axis ' 40 − 50 AU)

is estimated to be about 10−2M⊕ (Pitjeva & Pitjev

2018) 1.

The NASA Jet Propulsion Laboratory (JPL) database

catalog (Jet Propulsion Laboratory 2022) provides the

orbital parameters of almost 106 small bodies along with

their diameters. The Trojan population is numerically

10−25% of the Main Belt population at sizes ≤ 100 km

and the smallest diameter reported in the catalog is

about 10−3 km. In Fig. 1 the differential distribution of

the radii of SSSBs found in the JPL database is shown.

In Davis et al. (2002) several estimates of the Main Belt

asteroid size distribution down to smaller diameters are

presented.

The model in Durda et al. (1998) is a fit to the

distribution determined by Jedicke & Metcalfe (1998),

where the authors used the Spacewatch data to estimate

the size distribution of SSSBs in the Main Belt. The

estimate of the cumulative size distribution of asteroids

(i.e., number of asteroids N(d > D) with diameter d

greater than a certain value D) is given and N(d >

10−2 km) ' 1010. In this work we extend the model

down to diameters of ' 20 cm, extrapolating it with

a log-parabola function. In particular, we assume the

diameters to be distributed according to the JPL catalog

for values above 2.5 km, and to follow the extrapolated

model of Durda et al. (1998) for diameters in the range

20 cm − 2.5 km. The resulting model is shown in

Fig. 1 as a differential size distribution. In the same

figure, we also show the distributions obtained assuming

a power-law model as in Eq. 1 for different values of

the parameter α, with a total mass of the asteroids

M = 5 × 10−4 M⊕, r0 = 1 × 10−4 km, r1 = 470

km (Ceres’ radius) and assuming an asteroid density

1 The total asteroid mass is of the same order of magnitude as the
mass of Moon, which is ∼ 10−2M⊕.
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Figure 1. SSSBs size distribution. The distribution
extracted from the JPL database is indicated with black
circles, while the points of our model are indicated with
black crosses. The colored bands show the power-law models
(Eq. 1) for different values of α, assuming that the total
mass of asteroids is 5× 10−4 M⊕ and assuming an asteroid
density of 1 g/cm3. The black line shows the differential size
distribution with α = 2.7.

of 1 g/cm3. In Fig. 1 the differential distribution of the

radii of the bodies in the JPL catalog is also shown. The

JPL catalog includes only observed objects; therefore

the size distribution is underestimated for smaller radii

as these objects are difficult to detect.

As explained in the following sections, the analysis of

gamma rays detected by the LAT provides a way to set

constraints on the population and size distribution of

asteroids.

3. ASTEROIDS GAMMA-RAY EMISSION

As mentioned in the previous section, asteroids should

produce a diffuse gamma-ray emission along the ecliptic

plane due to interactions of charged cosmic rays with

their surfaces. Hereafter we will assume the asteroids

to be spherical. The gamma-ray flux produced by

N(r, d) asteroids of radius r at distance d from the Earth

(in units of photons GeV−1 cm−2 s−1) is given by the

following equation (Ackermann et al. 2016; Mazziotta

et al. 2020):

φγ(Eγ , d, r) = π
r2

d2
Iγ(Eγ , r)N(r, d) (5)

where Eγ is the gamma-ray energy and Iγ is the

differential intensity of gamma rays at the production

site.

3.1. Gamma-ray intensity at production

The gamma-ray intensity at production for an asteroid

of radius r, in units of photons GeV−1 cm−2 sr−1 s−1,

is given by:

Iγ(Eγ , r) =
∑
i

∫
Yi(Eγ |Ek, r)Ii(Ek)dEk (6)

where Ii(Ek) is the intensity of the i-th species of cosmic

rays impinging on the asteroid surface (mostly protons,

electrons and He nuclei) and Yi(Eγ |Ek, r) is the yield

of gamma rays produced by the interaction of the i-th

cosmic-ray species with kinetic energy Ek with the body

surface of radius r.

We have calculated the yield Yi(Eγ |Ek, r) using the

FLUKA code (Ferrari et al. 2005; Böhlen et al. 2014;

Battistoni et al. 2015). FLUKA is a general purpose

Monte Carlo code for the simulation of hadronic and

electromagnetic interactions, used in many applications.

It can simulate with high accuracy the interactions and

propagation in matter of about 60 different species of

particles, including photons and electrons from 1 keV

to thousands of TeV, neutrinos, muons of any energy,

hadrons and the corresponding antiparticles of energies

up to 20 TeV or up to 10 PeV when it is interfaced with

the DPMJET code (Roesler et al. 2001), neutrons down to

thermal energies and heavy ions.

Hadronic interactions in FLUKA below a few GeV are

based on resonance production and decay of particles,

while for higher energies the Dual Parton Model is used,

implying a treatment in terms of quark chain formation

and hadronization. The interactions are simulated

in the framework of the PreEquilibrium Approach

to NUclear Thermalization model (PEANUT) (Fassò

et al. 2000; Battistoni et al. 2006), including the

Gribov-Glauber multi-collision mechanism followed by

the pre-equilibrium stage and eventually equilibrium

processes (evaporation, fission, Fermi break-up and

gamma deexcitation). We refer the reader to Mazziotta

et al. (2016) and references therein for a more extended

description on the interaction models that FLUKA

employs for these interactions in different energy ranges.

Full information on the different models used by the code

and its related publications and references can be found

in the FLUKA webpage 2.

The FLUKA code already has been used to model the

gamma-ray emission from the Moon (Ackermann et al.

2016) and the Sun (Mazziotta et al. 2020), providing

excellent agreement with data.

In our simulation setup, each SSSB is defined as

a spherical body with radius ranging from 10 cm to

2 http://www.fluka.org/.

http://www.fluka.org/
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100 km. We have simulated different kinds of bodies,

with different compositions and densities.

We first defined three homogeneous bodies to

investigate possible dependence on the simulated

material and density:

• Ice: H2O with density of 0.92 g cm−3

• Silica: SiO2 with density of 2.00 g cm−3

• Carbon: C with density of 2.00 g cm−3

For ice, we assumed the same density as on the Earth.

For silica and carbon bodies we chose the same density,

in order to better investigate possible effects specifically

due to the element.

Secondly, we defined two species which are

representative of the most abundant asteroids:

• C-type asteroids, with a density of 2.23 g cm−3

• S-type asteroids, with a density of 3.80 g cm−3

We assumed that the C-type and S-type composition

is the same as the one of carbonaceous and ordinary

chondrites respectively, with the elemental abundances

taken from tables 16.10 and 16.11 of (Lodders & Fegley

1998).

To evaluate the yields of secondary particles from the

SSSBs we have simulated several samples of protons,

electrons and 4He nuclei with different kinetic energies,

impinging on the asteroids with an isotropic and uniform

distribution. The primary kinetic energy values are

taken on a grid of 81 equally spaced values in a

logarithmic scale, from 100 MeV/n up to 10 TeV/n.

The differential yield of secondary particles produced

by the i-th species of cosmic-ray primaries (here i = p,

e− and 4He), Yi(Eγ |Ek, r), is calculated by counting the

secondary particles which escape from the asteroid. The

yield in units of GeV−1 is defined as:

Yi(Eγ | Ek, r) =
Ni(Eγ | Ek, r)
Ni(Ek)∆Eγ

(7)

where Ni(Ek) is the number of primaries of the

i-th species generated with kinetic energy Ek (Ek
is expressed in units of GeV for primary electrons

and protons and of GeV/n for primary nuclei) and

Ni(Eγ | Ek, r) is the number of photons with energies

between Eγ and Eγ + ∆Eγ produced by the primaries

of the type i with kinetic energy Ek and escaping from

the asteroid.

The intensities Ii(Ek) at the asteroid position can be

calculated starting from the local interstellar spectra

(LIS) taking into account the propagation of CRs in

the Solar System, which is affected by solar activity.

The activity of the Sun modulates the CR spectra

with a 11-year cycle and its effect depends on the

position of the asteroid in the Solar System. In this

work we assume two limiting classes of CR spectra:

the first one is given by the LIS, i.e. the spectra

which are not affected by solar modulation, while the

second are those measured at the Earth, where the solar

modulation effect is larger than that at the positions of

all asteroids, since their orbits are external to the Earth.

In this way we are bracketing the asteroid emission

between these two limiting cases, since asteroids are

distributed at distances of 50 AU and beyond (see

Fig. 7). We have taken the CR LIS from De La

Torre Luque et al. (2021a,b, 2022). The CR spectra

at the Earth have been precisely measured by the

AMS-02 instrument. In particular, we have taken the

proton spectrum from Aguilar et al. (2015a), the helium

spectrum from Aguilar et al. (2015b, 2017) and the

electron+positron spectrum from Aguilar et al. (2014).

For the electron+positron spectrum at high energies

we have also used the measurements by the Fermi-

LAT (Abdollahi et al. 2017) and DAMPE (Ambrosi

et al. 2017) (see also Mazziotta et al. 2020) 3.

In addition, we expect a time-dependent gamma-

ray signal due to the 11-year solar cycle, which

modulates the cosmic-ray intensities. In particular,

this modulation is observed in the Moon gamma-ray

flux, with variations over one Solar cycle in the range

±15% of the average emission (Ackermann et al. 2016;

De Gaetano et al. 2021).

Fig. 2 shows the gamma-ray intensities (Eq. 6)

evaluated for the different classes of asteroids simulated

in this work 4. Most lines in the spectra are due to

photons emitted in nuclear de-excitation processes. The

line at 511 keV is due to annihilations of positrons

produced in the electromagnetic showers. The line at

2.2 MeV, which is visible in the ice bodies, is due to

neutron capture by hydrogen nuclei, with the production

of a deuterium nucleus and the emission of a gamma

ray. Other classes of asteroids exhibit characteristic

lines related to their composition. We remark that these

features can be of particular interest for in-situ studies of

asteroid composition. The gamma-ray intensities from

the different classes of asteroids are also compared with

3 We did not simulate electrons and positrons separately, but
only primary electrons assuming a spectrum equal to the overall
electron+positron one.

4 As an example, in appendix A we report detailed plots of
gamma-ray yields and intensities for the different particle species
interacting with Silica asteroids.
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Figure 2. Gamma-ray intensities (multiplied by the energy squared) from ice, silica, carbon, C-type and S-type asteroids. The
spectra have been evaluated assuming different radii, from 10 cm to 10 km. The calculations have been performed in the two
limiting cases, using the CR LIS spectra (continuous lines) and the CR spectra measured at Earth (dashed lines). The gray
points show the intensity of the Moon measured by the Fermi-LAT (Ackermann et al. 2016).

the gamma-ray intensity from the Moon measured by

the Fermi LAT (Ackermann et al. 2016). We see that

the intensity of gamma rays emitted from silica bodies

of large sizes is close to the intensity of gamma rays

emitted from the Moon.

Fig. 3 shows the integral of the intensity above

0.1 GeV as a function of the asteroid radius for the

different classes of asteroids. It can be noticed that the

intensity at the production site drops for radii smaller

than 1 m, since the asteroid size becomes comparable

or smaller than the typical interaction length in the
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Figure 3. Gamma-ray intensity above 0.1 GeV as a
function of the body radius using the CR LIS spectra
(continuous lines) and the CR spectra measured at Earth
(dashed lines). The colored lines indicate the different
compositions. The gray point shows the Moon data
measured by the Fermi-LAT (Ackermann et al. 2016).

simulated materials, which are of the order of tens of

centimeters. From Figs. 2 and 3 we see that for r >

10 m the shapes of the spectra (and consequently the

integral of the intensity above 0.1 GeV) do not depend

on the asteroid radius and are similar to the shape of

the gamma-ray intensity from the Moon (Ackermann

et al. 2016). This is because the secondary gamma

rays produced by cosmic rays impinging on the asteroids

can escape only from external layers, since the cosmic-

ray nuclei can penetrate down to depths of a few tens

of grams per centimeter squared (corresponding to the

hadronic interaction length for protons and He nuclei),

while the gamma-ray absorption length (corresponding

to the radiation length) is shorter. When the asteroid

size is larger than both of these characteristic lengths,

the gamma-ray production becomes independent of the

size.

3.2. Gamma-ray flux at the Earth

Fig. 4 shows the gamma-ray fluxes at the Earth from

asteroids of different classes and different radii at a

distance of 2.7 AU from our planet, evaluated using

Eq. 5 with N(r, d) = 1.

The gamma-ray flux produced by asteroids of radius

r > r0 (cumulative flux) at a given distance d is given

by:

φγ(Eγ , d, r > r0) =

∫ r1

r0

πr2

d2
Iγ(Eγ , r)

dN

dr
dr, (8)

where r1 ∼ 500 km is the largest radius of observed

asteroids.

Figure 4. Gamma-ray fluxes at the Earth (multiplied by
the energy squared) from single spherical bodies of different
radii and types at the distance of 2.7 AU from the Earth.

Fig. 5 shows the cumulative gamma-ray fluxes at the

Earth calculated with a population of SSSBs shown in

Fig. 1 at a distance of 2.7 AU, for different values of r0
in the range from 10 cm to 103 km.

As discussed above, the gamma-ray emission at the

site of production is almost independent of size for

asteroid radii larger than a few tens of meters. Assuming

that the gamma-ray intensity Iγ does not depend on the

asteroid radius r, the gamma-ray flux at the Earth for

a power-law size distribution of the asteroids at a given

distance d can be expressed as:

φγ = πIγ

∫ r1

r0

r2

d2
ar−αdr =

=


πIγ

a

d2
r3−α1 − r3−α0

3− α
for α 6= 3

πIγ
a

d2
log

r1

r0
for α = 3

(9)

where r0 and r1 are the minimum and maximum

asteroid radii and the parameter a can be calculated

from Eq. 4.

Following Ackermann et al. (2016), the gamma-ray

flux from the Moon can be expressed as:

φ$ = πIγ
R2
$

D2
$

(10)

where Iγ is the intensity of lunar gamma rays, while R$
and D$ indicate the lunar radius and the Earth-Moon

distance, respectively.
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Figure 5. Cumulative gamma-ray fluxes (multiplied by E2
γ) at the Earth for the SSSB population model described in section 2

and shown in Fig. 1. Top-left panel: ice bodies; top-right panel: carbon bodies; middle-left panel: silica bodies; middle-right
panel: C-type bodies; bottom panel: S-type bodies. The colored lines correspond to different values of the minimum asteroid
radius r̄.
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From the results shown in Figs. 2 and 3, assuming

that the gamma-ray intensity from asteroids is the same

as from the Moon 5, from eqs. 9 and 10 it follows that:

φ

φ$
=



a
1

R2
$

D2
$
d2
×
r3−α1 − r3−α0

3− α
for α 6= 3

a
1

R2
$

D2
$
d2
× log

r1

r0
for α = 3

(11)

We remark that Eq. 11 differs from Eq. 6

in Moskalenko et al. (2008), where it was assumed that

the emission from small bodies scales with the radius

of the body. In this work we calculate the gamma-

ray flux from each body as in Eq. 5. For radii larger

than ∼ 10 m, the intensity at production becomes

independent of the radius, as discussed above, and the

flux at the Earth scales with the square of the radius.

As a consequence, assuming a population of asteroids

with radii between r0 = 1× 10−4 km and r1 = 470 km,

following Eq. 11 our model predicts an asteroid flux

from two to six orders of magnitudes lower than the

flux calculated in Eq. 6 in Moskalenko et al. (2008),

depending on the index α of the power-law describing

the asteroid size distribution.

3.3. Spatial map of small bodies

Since the orbits of the asteroids lie in an extended

region of the sky, to build a template describing their

gamma-ray emission we have first divided the sky into

equal solid angle pixels and then we have added together

the contributions from individual pixels.

The differential gamma-ray flux from the SSSBs of
radius r in a sky pixel at the ecliptic coordinates (λ, β),

covering a solid angle ∆Ω is given by:

φγ(Eγ , r, λ, β) =
∑

i∈l.o.s.

N(λ, β, r, di)

∆Ω

πr2

d2i
Iγ(Eγ , r)

(12)

where the summation is extended to all the bodies lying

along the line-of-sight (l.o.s.) in the direction (λ, β). In

Eq. 12 we have indicated with N(λ, β, r, di) the number

of asteroids along the line-of-sight at distance di from

the Earth, with radius r.

5 We note that the CR intensities are not the same at the asteroid
and Moon positions, and therefore the gamma-ray intensities are
slightly different (see discussion in Sect. 3).

We can then define the fraction of bodies at distance

di within the cone pointing towards the direction (λ, β)

as:

w(λ, β, r, di) =
N(λ, β, r, di)

Ntot(r)
(13)

where Ntot(r) is the total number of bodies of radius r

in the sky. With this definition, Eq. 12 can be rewritten

as follows:

φγ(Eγ , r, λ, β) =

1

∆Ω

∑
i∈l.o.s.

w(λ, β, r, di)
πr2

d2i
Iγ(Eγ , r)Ntot(r). (14)

If we assume that all SSSBs are equally distributed in

the sky, w is independent of r. Therefore, Eq. 14 can be

rewritten as:

φγ(Eγ , r, λ, β) =

πr2Iγ(Eγ , r)Ntot(r)
∑

i∈l.o.s.

w(λ, β, di)

∆Ω d2i
(15)

The r.h.s. of Eq. 15 can then be viewed as the product

of two factors: a spectral factor, given by the intensity

at production for an asteroid of radius r, weighted

by a factor πr2 and by the number of asteroids with

radius r; and a spatial factor, containing the fraction

of bodies at given spatial coordinates, divided by the

solid angle ∆Ω, weighted with the inverse of their

squared distance from the Earth and summed along

l.o.s. If the spatial factor and Iγ(Eγ , r) are known or

estimated, by fitting the LAT data with the model in

Eq. 15, it is possible to set constraints on the distribution

Ntot(r). To build a spatial map of the asteroid emission,

we start by estimating the spatial factors for different

directions (λ, β). An asteroid orbit is characterized by

four parameters:

• the orbit major semiaxis l;

• the inclination angle i of the orbit with respect to

the ecliptic plane;

• the longitude Ω of the ascending node (i.e. one of

the two intersection points between the asteroid

orbit and the ecliptic plane), measured with

respect to the direction of the First Point of Aries;

• the argument of periapsis ω, i.e. the angle

between the ascending node direction and the

major semiaxis.
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Figure 6. Graphical representation of the orbit of an
asteroid (Wikipedia 2022).

The asteroid position on its orbit is identified by the

angle ν that its direction forms with respect to the major

semiaxis, called “true-anomaly” angle. A graphical

representation of an asteroid orbit is shown in Figure 6.

Fig. 7 shows the distributions of the orbital

parameters of the SSSBs found in the JPL catalog.

We verified that such parameters are not correlated

with each other. To build a spatial map of the

asteroid population, we sampled 107 times the orbital

parameters, assuming circular orbits, and extracting

the true-anomaly angles from a uniform distribution

between 0◦ and 360◦. For each set of parameters l, i,

Ω, ω and ν, the corresponding asteroid position can be

evaluated in a right-handed reference frame centered on

the Sun with the x-axis directed from the Sun to the

First Point of Aries, and the z-axis perpendicular to the

ecliptic plane. In this frame, the position of the asteroid

is given by:

xA = l[cos Ω cos(ω + ν)− sin Ω cos i sin(ω + ν)]

yA = l[sin Ω cos(ω + ν)− cos Ω cos i sin(ω + ν)]

zA = l sin i sin(ω + ν)

(16)

From Eq. 16 the ecliptic coordinates of the asteroid

can be evaluated:

λecl = arctan
yA
xA

βecl = arcsin
zA√

x2A + y2A + z2A

(17)

By following the prescriptions in Duffett-Smith & Zwart

(2011), the ecliptic coordinates of each body can be

converted into celestial and galactic coordinates.

If the Sun-Earth direction forms an angle ξ with

respect to the x-axis, the Earth coordinates (in AU

units) are given by xE = cos ξ, yE = sin ξ, zE = 0.

For each simulated asteroid position we extracted the

angle ξ describing the position of the Earth from a

uniform distribution between 0◦ and 360◦. The asteroid

distance from the Earth is therefore given by d =√
(xA − xE)2 + (yA − yE)2 + (zA − zE)2.

The asteroid spatial map is built using a HEALPix6

pixelization of the sky with Nside = 32. This means that

the sky is divided into 12 × N2
side = 12288 pixels, each

one with solid angle ∆Ω = 1.02×10−3 sr. Each pixel is

assigned a weight given by the spatial factor in Eq. 15:

w̄(λ, β) =
1

∆Ω

∑
i∈l.o.s.

w(λ, β, di)

d2i
(18)

where λ and β are the coordinates at the center of

the given pixel, N(λ, β, di) is the number of objects

with distance di from the Earth whose coordinates are

contained in that pixel and N is the total number of

simulated asteroids.

The asteroid spatial maps are shown in Fig. 8. The

top panel shows the asteroid distribution in ecliptic

coordinates. The middle panel shows the average

asteroid distance from the Earth as a function of the

asteroid position. We see that the asteroid distribution

is peaked toward the direction of the Sun (which is at

the center of the map). This projection effect results

from the asteroids along the Earth-Sun direction being,

on average, farther from the Earth than those along the

opposite direction. Finally, the bottom panel shows the

spatial template of Eq. 18 in celestial coordinates.

4. LAT DATA ANALYSIS

The LAT is a gamma-ray pair conversion telescope,

designed to detect photons in the energy range from

20 MeV up to more than 300 GeV. It consists of a

4 × 4 array of 16 identical towers, each one composed

of a tracker (TKR) and a calorimeter (CAL) module.

Incident gamma rays are converted into e+e− pairs,

whose energies and directions are measured by the CAL

and the TKR, thus providing information on the photon

energy and direction. The TKR contains 36 alternating

layers of silicon strip detectors interleaved with tungsten

converter foils, for a total on-axis thickness of 1.5

radiation lengths. The CAL consists of 96 CsI (Tl)

crystals, hodoscopically arranged in 8 layers, for a

total on-axis thickness of 8.6 radiation lengths. The

towers are surrounded by a segmented anticoincidence

6 http://healpix.sourceforge.net

http://healpix.sourceforge.net
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Figure 7. Distributions of the orbital parameters of the SSSBs in the JPL catalog. Top left: major semiaxis; top right:
inclination; bottom left: argument of periapsis; bottom right: ascending node longitude.

detector (ACD), made of plastic scintillators, working

as a veto for charged cosmic rays. Detailed descriptions

of the instrument can be found in Atwood et al. (2009)

and Abdo et al. (2009); Ackermann et al. (2012).

The data sample used for the present analysis has

been extracted from the Pass 8 P305 dataset (Atwood

et al. 2013), selecting ULTRACLEANVETO event class

(front and back) photons 7, with energies between

56 MeV and 1.78 TeV, collected in the period from

August 2008 (MET=239557418) to December 2020

(MET=631153850) 8. The energy interval has been

divided into logarithmic bins, with 8 bins per decade.

The analysis has been performed in six different Regions

7 This is the event class with the smallest fraction of residuals
(misclassified) cosmic rays and is recommended for studies of
diffuse emission (see https://fermi.gsfc.nasa.gov).

8 The Mission Elapsed Time, or MET, is the number of seconds
since the reference time of January 1, 2001, at 0h:0m:0s in the
Coordinated Universal Time (UTC) system, corresponding to a
Modified Julian Date (MJD) of 51910 in the UTC system (see
https://fermi.gsfc.nasa.gov/ssc/data/analysis/documentation/
Cicerone/Cicerone Data/Time in ScienceTools.html).

of Interest (RoIs) along the ecliptic plane, of 40◦ width

in equatorial latitude and longitude, thus selecting the

parts of the sky where the asteroid signal is expected

to be maximal. A minimum separation of ' 17◦ from

the Galactic Equator was required, in order to avoid

the strong contamination from the diffuse interstellar

gamma-ray emission in the Milky Way. The resulting

RoIs are centered at the ecliptic longitudes 0◦, 40◦, 140◦,

180◦, 220◦ and 320◦, and at the ecliptic latitude 0◦ (see

Fig. 9). In the following we will designate these regions

as RoI 0, RoI 40, RoI 140, RoI 180, RoI 220 and RoI

320.

We selected the time intervals when the LAT was

operating in its standard science operation configuration

and was outside the South Atlantic Anomaly (SAA). To

limit contamination from the Earth limb, we discarded

time intervals when the LAT z-axis was at an angle

> 70◦ with respect to the zenith direction. This tight

zenith cut has been implemented to take into account

the broad instrument point spread function (PSF) below

100 MeV. When selecting the good time intervals

for the data analysis, we also required a minimum

https://fermi.gsfc.nasa.gov
https://fermi.gsfc.nasa.gov/ssc/data/analysis/documentation/Cicerone/Cicerone_Data/Time_in_ScienceTools.html
https://fermi.gsfc.nasa.gov/ssc/data/analysis/documentation/Cicerone/Cicerone_Data/Time_in_ScienceTools.html
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Figure 8. Spatial maps of asteroids obtained from the
simulation. Top panel: number of SSSBs per HEALPix
pixel in ecliptic coordinates. Middle panel: average asteroid
distance from the Earth as a function of its position in
the sky. Bottom panel: spatial template of the asteroids
(Eq. 18) in equatorial coordinates, built using a HEALPix
pixelization of the sky with Nside = 32 (Mollweide
projection). The dashed yellow line represents the galactic
plane.

angular separation of 35◦ (45◦) between the Moon

(Sun) direction and the center of each RoI, to avoid

Figure 9. Spatial map in J2000 right ascension and
declination of all events detected by the LAT in August
2008 with energy between 56 MeV and 1 TeV and zenith
angle > 90◦ (Mollweide projection). The boundaries of the
six analysis RoIs are also indicated by the black continuous
lines.

contamination from lunar (solar) gamma rays9. Due

to the cut on the angular separation from the Sun, each

RoI is excluded from coverage for a few months of the

year.

The analysis was performed using the fermitools

(version 2.0.8) 10 and fermipy (version 1.0.1) (Wood

et al. 2018) packages. For each of the six RoIs, the

analysis was performed separately in each month of

each year of the selected data sample. In fact, a

possible diffuse signal from the asteroids should be

time-dependent, since the relative motion of Earth

and asteroids implies variations of the spatial map

template of Eq. 18, due to changes in the relative

distances and in the subtended solid angles. In addition,

solar modulation could yield variations observable on

yearly/monthly timescales (Ackermann et al. 2016;

De Gaetano et al. 2021).

We have implemented a fitting procedure based on

a Poisson maximum likelihood approach. The gamma-

ray emission from each RoI is modeled including the

standard diffuse background templates developed by the

Fermi-LAT collaboration, i.e. the Galactic Interstellar

Emission model gll iem v07.fits and the isotropic

model 11. The point-like and extended sources in each

RoI are taken from the fourth catalog of LAT sources

4FGL (Abdollahi et al. 2020). The normalization

parameters of the diffuse models and of all the sources

9 We did not implement any cut on the positions of major planets
since the LAT has not yet detected emission from any of them.

10 https://fermi.gsfc.nasa.gov/ssc/data/analysis/software/
11 https://fermi.gsfc.nasa.gov/ssc/data/access/lat/

BackgroundModels.html

https://fermi.gsfc.nasa.gov/ssc/data/analysis/software/
https://fermi.gsfc.nasa.gov/ssc/data/access/lat/BackgroundModels.html
https://fermi.gsfc.nasa.gov/ssc/data/access/lat/BackgroundModels.html
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within 25◦ from the center of the RoI and detected with

TS> 25 were fitted. An additional source was added to

describe the asteroid emission, as discussed in Section 3.

As previously explained, we used the map in Eq. 18 and

shown in Figure 8 as a spatial template. To minimize

the assumptions on the spectral shape, a power-law with

spectral index 2 was used 12:

dNγ
dE

= N0,γ

(
E

E0

)−2
(19)

with E0 = 100 MeV. Here N0,γ is the differential flux

at E = E0, in units of MeV−1cm−2s−1 and is the only

free parameter in this model.

For each fit, we computed the Test Statistic (TS) for

the spatial template representing the diffuse emission

due to asteroids, defined as

TS = −2 (lnLmax,0 − lnLmax,1) (20)

where Lmax,0 is the maximum likelihood value for

a model without the source of interest (the “null

hypothesis”) and Lmax,1 is the maximum likelihood

value for a model with the additional source

(“alternative hypothesis”), which, in this case, is

represented by the asteroids. The TS is usually used

to estimate the significance of the source. In particular,

in the case of a model with one additional degree

of freedom with respect to the null hypothesis, the

significance is equal to
√

TS.

Figure 10 shows a summary of the fit results obtained

in the analysis of the different RoIs in the different time

intervals. The top panels of Figure 10 show the values of

the normalization constants of the Galactic interstellar

and of the isotropic diffuse components obtained from

the fits. In all fits the TS turned out to be ' 0, i.e. the

asteroid source was not significantly detected for any

RoI and time interval. Hence, in each fit we derived the

upper limit (UL) on the asteroid flux above 56 MeV

at 95% confidence level (CL). These limits are shown

in the bottom panels of Figure 10. We see that the

distributions of the ULs on the asteroid flux obtained in

the various RoIs exhibit similar shapes and are peaked

around 2 × 10−5 MeV−1cm−2s−1. The normalization

constants are close to 1, with the normalization of

the Galactic component slightly lower than 1 and

that of the isotropic component slightly exceeding 1.

The two normalization constants also appear to be

anticorrelated.

12 We assume a positive index for the power-law model since we
define it as dN/dE ∝ E−α.

5. COMBINED LIKELIHOOD ANALYSIS

As previously discussed, the analysis was performed

for separate RoIs and time intervals over a set of energy

bins. In each energy bin we evaluated the likelihood

profile for the gamma-ray flux from asteroids using

fermipy 13. Figure 11 shows an example of these

likelihood profiles for RoI 0 in August 2008; in the figure

the values of ∆ lnL = lnLmax − lnL are shown as a

function of the spectral energy distribution (SED) in

the various energy bins from 56 MeV to 1.78 TeV. The

likelihood values as a function of the SED are computed

by varying the parameter N0,γ in Eq. 19 and keeping the

spectral index fixed to the reference value of 2 in each

energy bin.

All the likelihood profiles evaluated in the different

RoIs, time intervals and individual energy bins have

been combined to evaluate constraints on a possible

source population with any given spectral shape f(E),

with free normalization C. Starting from the log-

likelihood values lnLsi in the i-th energy bin and s-th

RoI/time bin as a function of the gamma-ray flux

Cf(E), it is possible to calculate the log-likelihood value

lnLsi (C) for this spectral model in each RoI/time bin.

The total log-likelihood for the model is given by:

lnL(C) =
∑
s

∑
i

lnLsi (C) (21)

As a starting point, we find the value Cmax of

the normalization constant yielding the maximum

likelihood. Then, we evaluate the TS of the model as

−2 [ lnL(C = 0)−lnL(Cmax) ], where lnL(C = 0) is the

log-likelihood value for C = 0, corresponding to the null

hypothesis. The UL at 95% CL on the normalization

factor is the value of C for which lnL(C) = lnL(Cmax)−
2.71/2.

This approach is more powerful than the analysis of

individual RoIs in restricted time intervals in the search

of a possible tiny gamma-ray signal from a population of

identical sources. Figure 12 shows the ULs at 95% CL

on the power-law fluxes with spectral index 2 obtained

by combining the data for individual RoIs in all time

intervals and the data for all RoIs in all time intervals,

compared with the limits obtained in the analyses of

individual RoIs in individual time intervals. We see that

the ULs obtained by combining all the time intervals in

an individual RoI are a factor 10 stronger than those

obtained in the analysis of the same RoI in an individual

time interval. A further improvement of almost a factor

13 https://fermipy.readthedocs.io/en/latest/advanced/sed.html

https://fermipy.readthedocs.io/en/latest/advanced/sed.html
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Figure 10. Summary of the fit results. Top left panel: distribution of the values of the normalization constant of the Galactic
diffuse background. Top right panel: distribution of the values of the normalization constant of the isotropic background.
Bottom left panel: distribution of the ULs at 95% CL on the asteroid gamma-ray flux. Bottom right panel: comparison between
the distributions of the ULs at 95% CL in the six RoIs. A total of 741 fits have been performed, corresponding to about 124
fits for each RoI.

10 is obtained combining the data from all RoIs and all

time intervals.

5.1. Population model-independent analysis:

constraints on Ntot(r)

We have implemented the analysis procedure

illustrated above using for the asteroid source the

spectral intensity shape model f(E) = Iγ(E, r) (see

Eq. 15) with fixed values of the asteroid radius. This

approach allows for setting constraints on Ntot(r) for

each value of the radius r. We calculated the upper

limit on Ntot(r) assuming that all asteroids have the

same radius and the same composition.

We find that the signal from the asteroids is not

significant and we evaluate the constraints on the

normalization constant C. The UL at 95% CL on

the gamma-ray flux, expressed as C̄Iγ(E, r) can be

converted into an upper limit on Ntot(r), hereafter

indicated as NUL(r), from Eq. 15 integrated over the

whole sky:

φγ,UL(E, r) = C̄Iγ(E, r) = Bπr2Iγ(E, r)NUL(r)

=⇒ NUL(r) =
C̄

Bπr2
(22)

where B is the integral over the entire sky of the asteroid

distribution in Eq. 18 and shown in the bottom panel of

Figure 8.

In Figure 13 we show the TS and the ULs at

95% CL on the total number of asteroids obtained in

the hypothesis that all bodies in the population have

the same radius r, assuming for Iγ(E, r) the spectra

produced by cosmic rays following either the LIS or the

spectrum at Earth detected by the AMS-02 experiment

interacting with silica, C-type or S-type bodies. The

dependence of the TS and of the ULs on r is determined
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Figure 11. Spectral Energy Distribution (SED) and log-
likelihood scan with respect to its maximum value for the
asteroids model in RoI 0, August 2008. The color gradient
shows the values of ∆ lnL; the black dots indicate the values
of the SED where ∆ lnL = −2.71/2 and therefore correspond
to the ULs at 95% confidence level on the SED.

Figure 12. Summary of the ULs at 95% CL on the asteroid
flux above 56 MeV. The limits obtained from the analysis
of individual RoIs in individual one-month time intervals are
compared with those obtained from the analysis of individual
RoIs combining all time interval (filled circles, continuous
line) and with those obtained from the combined analysis of
all RoIs and all time intervals (dashed line).

by the shape of the function Iγ(E, r). For r > 10 m, the

TS is almost constant, since the gamma-ray intensity

becomes independent of the asteroid radius and NUL(r)

scales as r−2. This also explains the slight increase in

the ULs for r ∼ 10 m. For smaller radii, the spectral

shape of the gamma-ray intensity is harder, and it is

more disfavored by the data, resulting in a TS closer

to zero. The constraints obtained with the different

classes of asteroids are similar for radii below 10 m and

above 100 m. Since the TS does not exceed the value of

∼ 10, the asteroid source is not significantly detected for

any value of r tested in the present work. In the right

panel of Figure 13, we also show the number of SSSBs

in the JPL catalog and the one predicted by our model

(see Section 2). The distribution is calculated using a

logarithmic binning in radius with 16 bins per decade.

We remark that the UL obtained with this procedure

cannot be directly compared with the assumed size

distribution, since each upper limit is derived in the

hypothesis that all bodies have the same radius r.

5.2. Model-dependent analysis: constraints on

Ntot(r ≥ rmin)

We also applied the combined likelihood analysis

technique to set a constraint on the asteroids population

model proposed in Section 2 as an extrapolation of the

model of Durda et al. (1998) for r ≤ 1.25 km and

following the JPL catalog distribution for r ≥ 1.25 km.

The cumulative flux of asteroids can be evaluated from

Eq. 15 by summing over all the radii from rmin up to

rf ' 300 km:

φγ,c(E) = B
rf∑

r=rmin

πr2Iγ(E, r)Ntot(r). (23)

For a given value of rmin, the function f(E) is

then given by Eq. 23. The ULs on the normalization

factor C are then converted into ULs on the cumulative

population model.

The left panel of Fig. 14 shows the TS of the model

as a function of the minimum radius rmin for silica, C-

type and S-type asteroids, evaluated assuming either the

LIS or the spectra of cosmic rays at Earth measured

by AMS-02. The TS is approximately null for rmin <

10−3 km, while it increases for larger values of rmin, due

to the change of shape of the gamma-ray intensity at the

production. Compared with the results in the previous

section, the increase is smoother, since, for each value of

rmin, f(E) is obtained from a folding of all the energy

spectra of asteroids with r ≥ rmin. At some point the

TS reaches a limiting value ∼ 10, still not significant.

As already stated in the previous section, this behavior

is due to the fact that for large radii the spectral shape

becomes independent of the asteroid size.

In the right panel of Fig. 14, the ULs at 95% CL for

the integral population of asteroids with r ≥ rmin are

shown. The limits are above the model in the whole

range of rmin and the ratio between the UL and the

population predicted by the model increases with rmin,

from ≈ 102 for rmin = r0 = 10 cm to ≈ 106 for

rmin = rf ≈ 300 km.

5.3. Comparison between asteroids and Moon flux
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Figure 13. Left panel: TS for the asteroid component as a function of the asteroid radius obtained from the model independent
analysis. The values have been calculated for silica, C-type and S-type asteroids, assuming that gamma rays are produced by
cosmic rays following either the LIS (blue points) or the spectrum at Earth (green points). Right panel: ULs at 95% CL on the
total number of asteroids of radius r as a function of the asteroid radius, obtained from the model-independent analysis. The
red line represents our population model, which is the extrapolated Durda et al. (1998) model, while the black dots represent
the data in the JPL catalog. The data and model distributions are binned in radius r with a logarithmic binning of 16 bins per
decade.

Figure 14. Left panel: TS for the asteroid component as a function of the minimum asteroid radius obtained from the model
dependent analysis. The values have been calculated for silica, C-type ans S-type asteroids, assuming that gamma rays are
produced by cosmic rays following either the LIS (blue points) or the spectrum at Earth (green points). Right panel: ULs at
95% CL on the asteroids population as a function of the asteroid radius obtained from the model dependent analysis. The red
line represents our population model, which is the extrapolated Durda et al. (1998) model, while the black dots represent the
data in the JPL catalog. The data and model distributions are binned in radius r with a logarithmic binning of 16 bins per
decade.

We repeated the combined likelihood analysis using

for the spectral model f(E) the Moon gamma-ray

flux measured by the LAT in its first seven years of

operation (Ackermann et al. 2016). The UL at 95% CL

on the asteroid flux φULA is 0.39 times the Moon flux.

We have evaluated the ratio between the asteroid flux

and the Moon flux φ/φMoon using Eq. 8 under the

following assumptions: (i) the asteroids are all located at

a distance d = 2.7 AU from the Earth; (ii) the asteroids

are all composed of silica with a density of 2 g/cm3; (iii)

the asteroid size distribution follows a power-law with

index α, according to Eq. 1. The integration limits were

fixed to the values r0 = 1× 10−4 km and r1 = 470 km.

Figure 15 shows the ratio φ/φMoon as a function of

the power-law index α for different values of the total

asteroid mass. In the left panel the gamma-ray flux from

asteroids is evaluated using the CR spectra measured at

Earth, while in the right panel it is evaluated using the

CR LIS. The dotted line represents the value obtained

from the combined analysis performed using the average
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Figure 15. Ratio between the asteroid flux and the Moon flux calculated with Eq. 8, as a function of the asteroid size
distribution power-law index α, for different values of the asteroid total mass. All asteroids have been assumed to lie at a
distance d = 2.7 AU from the Earth. The gamma-ray intensity at production is obtained simulating the interaction of CRs
with silica bodies. The plot in the left panel is obtained using the CR spectra measured at Earth, while the plot in the right
panel is obtained using the CR LIS. The continuous black lines indicate the results obtained assuming for the total asteroid
mass the value 5× 10−4M⊕. The dashed lines correspond to the measured UL at 95% CL.

Moon flux as spectral model. At 95% CL, all values of

α and asteroid total masses above this threshold can be

ruled out.

In Figure 16, the same ratio is shown as calculated

in Eq. 11, i.e. assuming the gamma-ray intensity from

asteroids at production to be equal to the gamma-ray

intensity from the Moon at production. When using

Eq. 11, the ratio φ/φMoon is independent of energy, and

depends only on geometrical parameters.

Figure 16. Ratio between the asteroids flux and the Moon
flux calculated with Eq. 9 as a function of the asteroid size
distribution power-law index α, for different values of the
asteroid total mass.

6. CONCLUSIONS

In this work we have used the LAT Pass 8

ULTRACLEANVETO data collected from August 2008

to December 2020 to study the gamma rays from the

ecliptic plane with energies in the range 56 MeV −
1 TeV, aiming to constrain the gamma-ray emission

from SSSBs. Such bodies are mostly located around

the ecliptic plane and are expected to act as passive

sources of gamma rays due to the interactions of cosmic

rays with their surfaces. This method provides a unique

way to constrain the population of all small bodies with

diameters < 2 m, on which no data are available in the

JPL catalog of SSSBs (Jet Propulsion Laboratory 2022).

In addition, this analysis allows for testing different

models of the population of asteroids. In particular,

we have used the analysis results to constrain a size

distribution model (in the hypothesis that asteroids

are spherical) that we have built by extrapolating the

(Durda et al. 1998) model for diameters down to '
20 cm and using the JPL catalog for diameters larger

than 2.5 km.

The analysis was performed in six different RoIs at

a distance > 17◦ from the Galactic plane to avoid the

bright contamination of the latter. Separate analyses

were performed for individual RoIs in each year and
each month of the selected sample. This choice was

motivated to search, in case of a source detection, for

a signal modulated by solar activity over 12 years of

data, and by the changes of the distance between the

Earth and the asteroids as the Earth orbits the Sun.

The gamma-ray emission from each RoI was modeled

including the standard diffuse background templates

developed by the Fermi-LAT collaboration and the

point-like and extended sources from the 4FGL catalog.

An additional source describing the asteroids diffuse

emission was implemented. Its morphology was built

by sampling 107 times the asteroids orbital parameters

from the JPL SSSBs catalog, while its spectral emission

was modeled as a power-law of index 2. The analysis

was performed with free normalizations of the most

significant sources in each RoI and the prefactor N0 of
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the asteroids power-law energy spectrum. For each fit,

we computed the TS of the source and we found that

the asteroids source was not detected.

As a second step, we computed the SED of the

asteroids in each RoI-time bin in which the data sample

was divided, and we implemented a combined likelihood

analysis to constrain the asteroids population. We

assumed the asteroids flux to be given by the model

in Eq. 15, i.e. by the convolution of the asteroids

spatial map and their intensity at production level,

weighted by the number N(r) of asteroids with radius

r and the factor πr2. The intensity at the production

site was computed with the Fluka code by simulating

the interactions of charged cosmic rays with bodies of

different radius. As for the CR spectra, we adopted both

a spectrum near the Earth, measured by the AMS-02

experiment, and the LIS spectrum, taken from De La

Torre Luque et al. (2021a,b, 2022), and we assumed

different asteroid composition models. We tested

both homogeneous compositions and more realistic ones

representing the most abundant species of asteroids.

The TS of the possible asteroid source is . 10 for any

model considered, which corresponds to a significance of

approximately 3σ, insufficient for claiming a detection.

We used the model of Eq. 15 to convert the ULs on

the flux into ULs on Ntot(r), assuming that all asteroids

have the same radius and composition. We found that

the population ULs at 95% CL vary between 4.0× 1015

for r ' 10−4 km and 1.4× 105 for r ' 300 km with the

LIS spectrum, and between 5.2× 1015 for r ' 10−4 km

and 2.0×105 for r ' 300 km) with the Earth spectrum.

Then, we used the combined likelihood analysis to

constrain the cumulative population of asteroids in our

model, assuming the asteroids flux given by Eq. 23.

Again, we computed the TS of this model and we found

again 10.5, which is still not significant. The ULs at 95%

CL on the cumulative population of asteroids are about

100 times larger than the predictions of the model for

r ' 10−4 km.

We remark here that the simulation code can be

customized to model any asteroid composition and

density. Nonetheless, the present LAT data analysis

showed that the constraints on the asteroid population

do not significantly change when using different asteroid

composition models, mainly due to the current LAT

sensitivity for this gamma-ray extended source.

Finally, we repeated the combined likelihood analysis

by assuming the asteroids flux to be given by the average

Moon flux measured by the LAT in its first seven years

of operation. In the hypothesis that the asteroids size

distribution is described by a power-law of index α,

the UL of the flux provides a threshold to the values

that the asteroids mass and α can assume (see Eqs. 4,

9 and 11). This comparison is motivated by the fact

that the gamma-ray emission of individual asteroids is

expected to be similar to that of the Moon, once the

proper differences in terms of composition, density and

size are taken into account. We found an upper limit

at 95% CL of 0.39 for the ratio between the asteroids

and the Moon fluxes. Assuming that all asteroids are

composed of silica with a density of 2 g/cm3 and are

at a distance from the Earth of 2.7 AU, this constrains

the asteroids mass and α to assume all values below the

dashed line in Figures 15 and 16.
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APPENDIX

A. YIELD AND INTENSITY AT PRODUCTION

Figure 17 and Figure 18 show the gamma-ray yields calculated with FLUKA, produced in the interactions of cosmic-

ray protons, helium nuclei and electrons with silica bodies of different radii, from 10 cm to 10 km. The yields have

been calculated on a grid of primary energies from 100 MeV/n up to 10 TeV/n with a spacing of 16 bins per decade

and of gamma-ray energies from 0.1 MeV up to 100 MeV with a spacing of 32 bins per decade and from 100 MeV

up to 10 TeV with a spacing of 8 bins per decade.

The bottom panels of the figures show the corresponding gamma-ray intensities at production sites, evaluated

by folding the gamma-ray yields with the spectra of the cosmic-ray species interacting with the asteroids. The

contributions to the gamma-ray intensities from individual cosmic-ray species are also shown. We have performed this

calculation assuming for different CR species the energy spectra measured at Earth or the Local Interstellar Spectra

(LIS). The latter have been taken from De La Torre Luque et al. (2021a,b, 2022), while for the spectra at Earth

we used the AMS02 measurements (see the text for more details). We see that the average energy of gamma rays

produced by each cosmic-ray species decreases as the asteroid radius increases. This feature becomes relevant for radii

> 1 m; correspondingly, the gamma-ray intensities at production from each species become softer. Finally, the error

bars (shown only for the total intensities) represent the statistic uncertainties due to the finite number of CR events

used in the simulation to evaluate the yields.
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Figure 17. Yields of gamma rays produced by the interactions of protons, 4He and electrons with a silica body. The bottom
plots show the gamma-ray intensities at the production obtained using the CR LIS spectra (continuous lines) and the CR spectra
measured at Earth (dashed lines). Left column: body radius of 10 cm; right column: body radius of 1 m.
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Figure 18. Yields of gamma rays produced by the interactions of protons, 4He and electrons with a silica body. The bottom
plots show the gamma-ray intensities at the production obtained using the CR LIS spectra (continuous lines) and the CR spectra
measured at Earth (dashed lines). Left column: body radius of 10 m; right column: body radius of 10 km.
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ABSTRACT

We perform general relativistic radiation magnetohydrodynamics (MHD) simulations of super-

Eddington accretion flows around a neutron star with a dipole magnetic field for modeling the galactic

ultra-luminous X-ray source (ULX) exhibiting X-ray pulsations, Swift J0243.6+6124. Our simulations

show the accretion columns near the magnetic poles, the accretion disk outside the magnetosphere,

and the outflows from the disk. It is revealed that the effectively optically thick outflows, consistent

with the observed thermal emission at ∼ 107 K, are generated if the mass accretion rate is much higher

than the Eddington rate ṀEdd and the magnetospheric radius is smaller than the spherization radius.

In order to explain the blackbody radius (∼ 100 − 500 km) without contradicting the reported spin

period (9.8 s) and spin-up rate (Ṗ = −2.22×10−8 s s−1), the mass accretion rate of (200−1200)ṀEdd

is required. Since the thermal emission was detected in two observations with Ṗ of −2.22× 10−8 s s−1

and −1.75 × 10−8 s s−1 but not in another with Ṗ = −6.8 × 10−9 s s−1, the surface magnetic field

strength of the neutron star in Swift J0243.6+6124 is estimated to be between 3×1011 G and 4×1012 G.

From this restricted range of magnetic field strength, the accretion rate would be (200 − 500)ṀEdd

when the thermal emission appears and (60− 100)ṀEdd when it is not detected. Our results support

the hypothesis that the super-Eddington phase in the 2017-2018 giant outburst of Swift J0243.6+6124

is powered by highly super-Eddington accretion flows onto a magnetized neutron star.

1. INTRODUCTION

Ultra-Luminous X-ray sources (ULXs) are bright X-ray compact objects, whose X-ray luminosities exceed the Ed-

dington luminosity for stellar mass black holes ∼ 1039 erg s−1, and have been discovered in off-nuclear regions of our

galaxy and nearby galaxies (see reviews by Kaaret et al. 2017; Fabrika et al. 2021). Recently, several ULXs have been

shown to have coherent pulsations at periods, ∼ 1 − 10 s (e.g., Bachetti et al. 2014; Fürst et al. 2016; Israel et al.

2017a,b). These objects are called ULX Pulsars (ULXPs). It is widely believed that these pulsations can be observed

if the radiation from the vicinity of the neutron star (NS) periodically changes via rotation of the NS. In this case, the

ULXP is powered by a super-Eddington accretion onto the magnetized NS since the luminosity of the ULXP exceeds

the Eddington luminosity for the NS, LEdd.

The super-Eddington accretion flows around the magnetized NS consist of the accretion disk, the outflows, and

the accretion columns. The super-Eddington accretion disk is truncated at a certain radius, called the truncation

radius, by the magnetic fields of the NS, provided that the magnetic field strength of the NS is high enough to prevent

disk accretion. It is considered that radiatively driven outflows are launched from the super-Eddington accretion

disk, which forms on the outside of the truncation radius, since the vertical radiation pressure force is larger than

the vertical gravitational force (Shakura & Sunyaev 1973; Poutanen et al. 2007). The gas moves along the magnetic

field lines inside the truncation radius. Then, column accretion flows, called the accretion columns, are formed near

the magnetic poles of the NS. The radiative luminosity at the base of the accretion columns exceeds the Eddington

luminosity (Basko & Sunyaev 1976; Mushtukov et al. 2015; Kawashima et al. 2016). If the magnetic axis is misaligned

with the rotation axis of the NS, then the pulsation exceeding the Eddington luminosity can be observed via the

precession of the accretion columns (Mushtukov et al. 2018; Inoue et al. 2020). This inflow-outflow structure around
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the magnetized NS has been shown by general relativistic radiation magnetohydrodynamics (GR-RMHD) simulations

of super-Eddington accretion flows onto a NS with a dipole magnetic field (Takahashi & Ohsuga 2017; Abarca et al.

2021).

Recent observations suggested that outflows exist in ULXs (see e.g., Pinto et al. 2016) and ULXPs (see e.g., Kosec

et al. 2018). In the galactic ULXP, Swift J0243.6+6124, the outflows, as well as a relativistic jet (van den Eijnden

et al. 2018), were reported (see e.g., Tao et al. 2019; van den Eijnden et al. 2019). Tao et al. (2019) showed that

the radiation spectrum of Swift J0243.6+6124, at the peak of the 2017-2018 giant outburst, can be explained by

the thermal blackbody at 0.4 − 0.6 keV ∼ 107 K, with a radius of 100 − 500 km (however, see also Jaisawal et al.

2019). This thermal emission is considered to originate from the optically thick outflows. It is not known whether

the outflows appearing in the numerical simulations mentioned above can explain such thermal emission. Although a

semi-analytical model was proposed to account for the effects of the outflows (Mushtukov et al. 2019; Chashkina et al.

2019), it remains to be unclear whether such powerful outflows can occur or not.

In this paper, we perform GR-RMHD simulations of super-Eddington accretion flows onto a NS with a dipole

magnetic field for modeling of Swift J0243.6+6124. The dependence of the magnetospheric and outflow structure on

the surface magnetic field strength at the NS surface BNS and the mass accretion rate Ṁin, which is not investigated in

previous studies (Takahashi & Ohsuga 2017; Abarca et al. 2021), is reported. It is revealed that the super-Eddington

accretion onto the magnetized NS reproduces the thermal emission observed in this object. We also restrict BNS and

Ṁin based on the condition of the thermal emission. The paper is organized as follows: we will describe the numerical

methods in Section 2 and then present the results in Section 3. Section 4 is devoted to the discussion. Finally, we give

our conclusion in the final section.

2. NUMERICAL METHODS

In this study, we numerically solve the GR-RMHD equations in Schwarzschild polar coordinates (t, r, θ, φ), assuming

axisymmetry with respect to θ = 0, π. We use the GR-RMHD simulation code, UWABAMI (Takahashi & Ohsuga

2017). The moment formalism is adopted to describe the radiation field (Thorne 1981). M1 closure is used as the

closure relation (Levermore 1984; Kanno et al. 2013; Sadowski et al. 2013). Using the closure, the radiation fields can be

updated by solving the 0-th and 1st moment equations of the radiation without solving the radiative transfer equation.

Hereafter, Greek suffixes and Latin suffixes represent spacetime components and space components, respectively. The

speed of light c and the gravitational constant G are set to 1 unless otherwise noted.

2.1. Basic equations

The basic equations are as follows (see e.g., Takahashi et al. 2018), the mass conservation law,

(ρuµ);µ = 0, (1)

the energy-momentum conservation laws for magnetohydrodynamics (MHD),

(Tµν);ν = Gµ, (2)

the energy-momentum conservation laws for the radiation field,

(Rµν);ν = −Gµ, (3)

the induction equations,

∂t
(√
−gBi

)
+ ∂j

{√
−g
(
biuj − bjui

)}
= 0, (4)

where ρ is the proper mass density, uµ is the four-velocity of the gas, Bi is the magnetic field vector in the laboratory

frame, bµ is the magnetic four-vector in the fluid frame, and g is the determinant of the metric, g = det (gµν). The

energy momentum tensor of ideal MHD Tµν consists of that of fluid Tgas
µν and electromagnetic field Mµν :

Tgas
µν = (ρ+ e+ pgas)u

µuν + pgasg
µν , (5)

Mµν = b2uµuν + pmagg
µν − bµbν , (6)

where e is the internal energy density, pgas = (Γ− 1)e is the gas pressure (Γ = 5/3), and pmag = b2/2 is the magnetic

pressure in the fluid frame. The energy momentum tensor of the radiation field in the M1 formalism is given by

Sadowski et al. (2013),

Rµν =
(
Ē + prad

)
uR

µuR
ν +

1

3
Ēgµν . (7)
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Here, Ē, prad = Ē/3, and uR
µ are the radiation energy density, the radiation pressure in the radiation rest frame, and

the four-velocity of the radiation rest frame, respectively. The radiation four-force Gµ, which describes the interaction

between the ideal MHD and radiation field, is defined as

Gµ =−ρκabs

(
Rµαuα + 4πB̂uµ

)
−ρκsca

(
Rµαuα +Rαβuαuβu

µ
)

+Gcomp
µ, (8)

where κabs and κsca are the opacity for free-free absorption and isotropic electron scattering, respectively:

κabs = 6.4× 1022ρT−3.5
e [cm2 g−1], (9)

κsca = 0.4 [cm2 g−1]. (10)

Here, Te is the electron temperature. The blackbody intensity is given by B̂ = aTe
4/4π, where a is the radiation

constant. In this study, we consider the thermal comptonization defined as follows (Fragile et al. 2018; Utsumi et al.

2022)：

Gcomp
µ = −κscaρÊ

4k(Te − Tr)

me
uµ. (11)

Here, Ê is the radiation energy density in the fluid frame, Tr = (Ê/a)1/4 is the radiation temperature and me is the

electron rest mass. We take Te = Tg for simplicity, where Tg is the gas temperature. The gas temperature can be

derived from

Tg =
µwmppgas

ρk
, (12)

where mp is the proton mass, k is the Boltzmann constant, and µw = 0.5 is the mean molecular weight. We consider

the mean-field dynamo in our simulations (Sadowski et al. 2015).

2.2. Numerical models

In this study, we take MNS = 1.4M� and rNS = 10 km, where MNS and rNS are the mass and radius of the NS, and

consider the NSs with dipole magnetic fields (Wasserman & Shapiro 1983). The dipole magnetic field strength at the

NS surface BNS applied in this study, which is relatively weaker than the typical value observed in the X-ray pulsar,

1011−13 G (see Section 4.5), is described in Table 1. The table also reports the maximum gas density of the initial

torus ρ0, the end time of the simulation tend, the time after which the mass outflow rate is almost constant teq, and

numerical grid points (Nr, Nθ). The light-crossing time for the gravitational radius of the NS, rg = MNS = 2.1 km, is

denoted by tg. The computational domain consists of r = [rNS, rout], where rout = 2100 km, and θ = [0, π]. The size

of the radial grid exponentially increases with r, and the size of the polar grid is uniform (Takahashi & Ohsuga 2017).

Multipole components of the NS magnetic field are not considered. GR-RMHD simulations considering the multipole

components are left as an important future work, although the GR-MHD simulations employing quadrupole fields

were recently performed by Das et al. (2022). The rotation of the NSs is ignored since the rotation period of the NSs

observed in ULXPs, 1− 10 s, is much longer than the rotational timescale of the accretion disk, ∼ 10−2 s, even within

r ∼ 100 km. There remains the possibility that ULX is a millisecond pulsar (Kluzniak & Lasota 2015), which we will

discuss later. We assume that the magnetic axis coincides with the rotation axis of the accretion disk. The convergence

of the simulation results is confirmed using models B1e10D001, B1e10D001 a, B1e10D001 b, and B1e10D001 c. These

models have the same initial parameters except for the resolution.

We initially set the equilibrium torus given by Fishbone & Moncrief (1976), as can be seen in Figure 1, where

(R, z) = (r sin θ, r cos θ). The gas pressure pgas inside the torus is replaced with pgas + prad by assuming a local

thermodynamic equilibrium, Tg = Tr. The inner edge of the torus and the maximum pressure radius are set to

210 km and 304.5 km, respectively. The poloidal-loop magnetic fields inside the torus are considered in addition to the

dipole magnetic field of the NS. The vector potential of this loop magnetic field is proportional to ρ. The embedded

loop magnetic field is anti-parallel to the dipole magnetic field at the inner edge of the torus (Romanova et al. 2011;
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Table 1. Parameters for different models

Parameter BNS ρ0 tend teq (Nr, Nθ)

Unit [G] [g cm−3] [tg] [tg]

B3e9D001 3.3× 109 0.01 50000 30000 (592, 412)

B3e9D01 np 3.3× 109 0.1 50000 40000 (592, 412)

B1e10D001 1010 0.01 50000 30000 (592, 512)

B1e10D002 1010 0.021 50000 30000 (592, 512)

B1e10D004 1010 0.046 50000 35000 (592, 512)

B1e10D01 1010 0.1 50000 35000 (592, 412)

B1e10D1 np 1010 1 50000 40000 (592, 512)

B3e10D001 3.3× 1010 0.01 50000 40000 (732, 512)

B3e10D01 3.3× 1010 0.1 50000 35000 (732, 512)

B3e10D02 3.3× 1010 0.21 50000 40000 (592, 512)

B3e10D04 3.3× 1010 0.46 50000 40000 (592, 512)

B3e10D1 3.3× 1010 1 50000 40000 (592, 412)

B1e10D001 a 1010 0.01 40000 25000 (732, 512)

B1e10D001 b 1010 0.01 40000 30000 (592, 412)

B1e10D001 c 1010 0.01 40000 30000 (592, 326)

Note— BNS, ρ0, and (Nr, Nθ) are the surface magnetic field strength of the NS, the maximum gas density of the initial torus,
and numerical grid points, respectively. The simulation continues until t = tend. The mass outflow rate is almost constant
after t = teq. The model without accretion columns is denoted by _np at the end of the model name.

Figure 1. Snapshot of density for initial equilibrium torus in the case of model B1e10D01. Solid lines represent magnetic field
lines.

Takahashi & Ohsuga 2017; Parfrey & Tchekhovskoy 2017). We set the maximum (pgas + prad)/pmag to 100 inside the

torus. We give a perturbation on pgas + prad by 10% to break an equilibrium state of the torus.

The NS and torus are initially surrounded by relatively hot and low-density corona,

ρ= max

[
ρflr, ρc

(rNS

r

)−5
]
,
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pgas = max

[
pflr,min

[
kρTg,max

µwmp
,
kρcTinit

µwmp

(rNS

r

)−5
]]
,

where ρc is determined by σc = B2
NS/(4πρc) = 103, and Tinit is set to 5 × 1011 K. The floor value of the gas density

ρflr and gas pressure pflr are described in Section 2.3. The radiation energy density of the corona is Ē = aT̄ 4
rad, where

T̄rad = 105 K. The velocity of the gas ui and radiation rest frame uiR are set to zero in the corona. The present result

is not affected by the corona gas which is set initially. This is because these hot gases are blown away by the radiation

force from the accretion disk after some time has elapsed since the simulations began.

2.3. Boundary and floor condition

We adopt the outgoing boundary at r = rout, and the reflective boundary at θ = 0, π. At the inner boundary,

r = rNS, we assume that the boundary, at which the gas can be swallowed by the NS but the energy can not be

swallowed by the NS (Ohsuga 2007). At inner ghost cells, ρ, pgas, and Ē are the free boundary, and ui and uiR are

set to zero. For the magnetic field, the radial component is fixed to be the dipole field (Wasserman & Shapiro 1983),

while the tangential component is set according to the free boundary condition (Parfrey & Tchekhovskoy 2017; Abarca

et al. 2021). The numerical flux in mass conservation law, energy conservation law for MHD, and energy conservation

law for the radiation field are zero at the NS surface. The numerical flux of the induction equation is also set to zero

at the NS surface to satisfy the ideal MHD condition. We also impose the following condition on the gas density and

pressure at the NS surface:

ρ(t) = min [ρ∗(t), ρ(t = 0)] , (13)

pgas(t) =
kρ(t)Tg,∗(t)

µmp
, (14)

where ρ∗ and Tg,∗ are the gas density and gas temperature calculated from the conservative variables, respectively.

In this case, the gas density is set to initial value by keeping the gas temperature constant at the NS surface. The

amount of reduced kinetic and thermal energy densities by applying (13) and (14) is added to the radiation energy

density Rtt. Here, the kinetic and thermal energy densities are defined as follows:

Ukinetic =ρut(ut −
√
−gtt), (15)

Uthermal = (e+ pgas)u
tut + pgasg

t
t . (16)

The mass reduced by the treatment of (13) is considered to be swallowed by the NSs.

We impose a floor condition on ρ and pgas to solve the GR-RMHD equations stably:

ρflr = max

[
b2

σmax
, 10−4ρ0

(
r

rg

)−1.5
]
, (17)

pflr = 10−6 (Γ− 1) ρ0

(
r

rg

)−2.5

, (18)

where σmax is set to 103. The upper and lower limit of the gas temperature are set to 5 × 1011 K and 5 × 105 K,

respectively.

The gas density should be low near θ = 0, π because the strong magnetic pressure and tension due to the open

poloidal magnetic field lines inhibit the mass flow toward the rotation axis in the very vicinity of the rotation axis.

In the numerical simulation, however, the gas reaches the region of θ = 0, π due to the numerical diffusion. Then,

the unphysical mass outflow driven by the radiation force is formed close to the polar axis. We decided to ignore the

gas-radiation interaction to avoid this problem in this region. Practically, we set the absorption and scattering opacity

to zero at σ > σrad, where σ = b2/ρ is the magnetization. In this study, we set σrad = 10 in all models. This value

is set so that the opacity near the rotation axis is zero while the radiation from the dense accretion flows at the NS

surface can be solved.

3. RESULTS

In all models, the initial torus deviates from the equilibrium state due to the magnetorotational instability (MRI)

caused by the differential rotation in the torus after the simulation starts. The angular momentum of the gas is
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transported outward, and then the accretion disk is formed around the equatorial plane (z = 0 plane). The radiatively

driven outflows are launched from the accretion disk. The accretion disk in models B3e9D001, B1e10D001, B1e10D002,

B1e10D004, B1e10D01, B3e10D001, B3e10D01, B3e10D02, B3e10D04 and B3e10D1 is truncated before it reaches to the

NS surface. Then, the accreting gas moves along magnetic field lines, and column accretion flows (accretion columns)

are formed near the poles of the NS. On the other hand, the accretion disk in models B3e9D01 np and B1e10D1 np

directly connects to the NS surface without being truncated.

3.1. Quasi-steady state structure

Figure 2. Here, we show the time-averaged quasi-steady structure of super-Eddington accretion flows around the magnetized
NS for models B1e10D001 and B1e10D01. Panels (a) and (c): Plot of density profile along with streamlines. Panels (b) and
(d): Colors show radiation energy density in the radiation rest frame and streamlines indicate the radiative flux. Cyan lines are
magnetic field lines.

We use the numerical data from period teq to tend shown in Table 1 for investigating a quasi-steady structure in the

present work, since the flows become quasi-steady and the mass outflow rate is almost constant after teq. Firstly, we

introduce the quasi-steady structure of the accretion flows and outflows around the magnetized NS. Figure 2 shows the

time-averaged overview of models B1e10D001 (left) and B1e10D01 (right) in the quasi-steady state. Colors represent

ρ in panels (a) and (c), and Ē in panels (b) and (d). The white region with r < 10 km is the NS, and its center is

located at the origin, (R, z) = (0, 0). The magnetic field lines are shown by cyan solid lines. We find that the accretion

disk is formed near the equatorial plane at 20 km . R . 200 km (the green region in panels (a) and (c)). In panels (b)

and (d), it is clear that Ē is large in the accretion disk. The accretion column is formed near the NS magnetic poles,

r . 20km, the details of which are described in Figure 3. Streamlines follow the poloidal velocity vectors in panels

(a) and (c). It can be seen that the outflows are emanated from the disk toward the low-density region. In addition,

turbulent motions exist inside the accretion disk. The radiative flux is represented by streamlines in panels (b) and

(d). We can see that the outward radiative flux from the accretion disk appears. The accretion disk, the outflows,

and the outward radiative flux from the accretion disk are common to all models. Both ρ and Ē in the accretion disk

tend to increase as ρ0 becomes large. Actually, both of ρ and Ē in model B1e10D01 (ρ0 = 0.1 g cm−3) are an order of

magnitude higher than those in model B1e10D001 (ρ0 = 0.01 g cm−3).

We can see that the gas accretes onto the NS around the pole outside the accretion column (r . 100km and θ . 40◦,

140◦ . θ in panel (a)). This is because the interaction between the gas and radiation is artificially switched off at the

high-σ region (σ > σrad) in our simulation to maintain numerical stability. The radiation force does not work around
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the polar axis and the gas falls down to the NS. We note that the density in this region is too small to contribute to

the mass accretion rate, and the effects on the overall structure are negligibly small.

Figure 3. The dependence of accretion flows on the maximum gas density of the initial torus ρ0. Colors shows gas density.
Yellow lines represents 〈σ〉 = 10, where 〈σ〉 is the time-averaged magnetization. Cyan lines are magnetic field lines.

Next, we explain the dependence of the magnetospheric structure on ρ0. Colors in Figure 3 show ρ, and magnetic field

lines are represented by cyan lines. We take models B1e10D001, B1e10D01, and B1e10D1 np. We plot the time-averaged

magnetization, 〈σ〉 =
〈
b2
〉
/〈ρ〉 = 10, by yellow contours. Here, the angle brackets denote the time-averaged value. The

magnetization 〈σ〉 on the high-density side of the yellow line is less than 10. In the left panel (model B1e10D001), the

high-density accretion column, around (R, z) = (5km, 12km), is formed (one-side accretion). Although not shown in

Figure 3, the same is true of models B3e9D001, B1e10D002, B3e10D001, B3e10D01, and B3e10D02. In the middle panel

(model B1e10D01), the accretion columns are formed at (R, z) = (6km,±10km), which is true of models B1e10D004,

B3e10D04, and B3e10D1. At the truncation radius, which is the radius of the inner edge of the accretion disk, the gas

begins to move away from the equatorial plane toward the NS poles. The truncation radius is R ∼ 25 km in model

B1e10D001 and R ∼ 13 km in model B1e10D001, and approximately corresponds to the position where 〈σ〉 = 10 at the

equatorial plane. The density inside this radius is less than 1% of the density of the disk, except inside the accretion

column. Also, the truncation radius is roughly comparable to the magnetospheric radius, rM, ∼ 27 km for model

B1e10D001 and ∼ 13 km for model B1e10D01. In the present work, rM is defined as the maximum radius of the region,

where 〈β〉uφ < 1, inside the maximum pressure radius of the initial torus, 304.5 km. Here, 〈β〉uφ is uφ-weighted plasma

beta,

〈β〉uφ =
1∫ π

0
〈uφ〉

√
gθθdθ

∫ π

0

〈pgas〉+ 〈prad〉
〈pmag〉

〈uφ〉
√
gθθdθ. (19)

Although prad is the radiation pressure in the radiation rest frame, it is approximately equal to the radiation pressure

in the fluid frame since the MHD and radiation field inside the accretion disk are in local thermal equilibrium, and

therefore the radiation rest frame coincides with the fluid frame. We note that the gas pressure is negligible in the

super-Eddington accretion disk (Takahashi & Ohsuga 2017), so that pmag ∼ prad at 〈β〉uφ = 1. The coincidence

between the truncation radius and rM indicates that the truncation radius is determined by the balance between pmag

and prad. As can be seen from the left and middle panels in Figure 3, the truncation radius decreases as ρ0 increases.

In model B1e10D1 np, since the radiation pressure of the accretion disk is larger than the magnetic pressure of the

dipole field even at the NS surface, the accretion disk reaches the NS surface without being truncated and no accretion

column is formed. In this case, the region where 〈β〉uφ > 1 reaches the NS surface, and rM can not be determined.

Although not shown in this figure, accretion columns are not formed in model B3e9D01 np for the same reason. Based

on the hypothesis that the radiation from the accretion column is the origin of the X-ray pulse, models B3e9D01 np
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〈 Ṁin(r = 11 km) 〉 〈 Ṁout(rout) 〉 〈Lrad(rout)〉 〈Lkin(rout)〉 Tbb rbb

Model [ṀEdd] [ṀEdd] [LEdd] [LEdd] [107 K] [km]

B3e9D001 32 36 3.0 0.15 0.72 57

B3e9D01 np 220 2700 130 47 0.63 230

B1e10D001 54 74 4.1 0.34 0.71 58

B1e10D002 110 110 9.5 1.0 0.73 65

B1e10D004 160 730 21 7.1 0.66 130

B1e10D01 500 2600 42 36 0.66 240

B1e10D1 np 4700 23000 500 410 0.50 1100

B3e10D001 98 170 5.5 0.89 0.75 50

B3e10D01 720 2900 140 56 0.69 270

B3e10D02 650 4600 150 37 0.63 250

B3e10D04 1500 13000 320 210 0.59 660

B3e10D1 2300 28000 490 460 0.55 1300

Table 2. Time-averaged value for the mass accretion rate, mass outflow rate, radiative luminosity, and kinetic luminosity.
The mass accretion rate is measured at r = 11 km, and the others are calculated at r = rout.

and B1e10D1 np are inappropriate for explaining ULXPs. Incidentally, the reason why the one-side accretion occurs

in model B1e10D001 is described in Section 4.4.

Table 2 lists the time-averaged value of the mass accretion rate Ṁin at r = 11 km, mass outflow rate Ṁout at

r = rout, radiative luminosity Lrad at r = rout, and kinetic luminosity Lkin at r = rout of each model. The Eddington

mass accretion rate is denoted by ṀEdd = LEdd/c
2. The mass accretion rate and outflow rate are defined as

Ṁin(r) =−
∫

min[ρur, 0]
√
−gdθdφ, (20)

Ṁout(r) =

∫
max[ρur, 0]

√
−gdθdφ. (21)

The raditive and kinetic luminosity can be calculated using following formula (Sadowski et al. 2016):

Lrad(r) =−
∫

min[Rrt , 0]
√
−gdθdφ, (22)

Lkin(r) =−
∫

min[ρur
(
ut +

√
−gtt

)
, 0]
√
−gdθdφ. (23)

As can be seen from this table, Ṁin, Ṁout, Lrad and Lkin tend to be large as ρ0 increases. We also find that Lkin/Lrad

tends to be large as Ṁin increases. Indeed, the mass accretion rate is 54ṀEdd and Lkin/Lrad ∼ 0.083 in the case of

model B1e10D001, mass accretion rate is 500ṀEdd and Lkin/Lrad ∼ 0.86 in the case of model B1e10D01, and mass

accretion rate is 4700Ṁin and Lkin/Lrad ∼ 1.2 in the case of model B1e10D1 np. That is, the kinetic luminosity is

comparable to the radiation luminosity for the model with high mass accretion rate. These trends are also reported

in non-relativistic radiation hydrodynamics simulation (Ohsuga 2007).

Figure 4 shows rM and the time derivative of the NS rotation period (spin-up rate) Ṗ estimated using our numerical

models as a function of the mass accretion rate. Points in Figure 4 (a) indicate the resulting rM for BNS = 3.3×109 G

(red), 1010 G (blue), and 3.3×1010 G (black), in which all models have accretion columns. The magnetospheric radius

rM decreases with increasing Ṁin and increases with increasing BNS. Dashed lines indicate the analytical solution

for rM, which can be calculated assuming that the magnetic pressure of the dipole field balances with the radiation

pressure of the accretion disk (Takahashi & Ohsuga 2017, see also Appendix B for detail):

rM∼2.0× 106 [cm]
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Figure 4. Panel (a): The relations between rM and the mass accretion rate at the NS surface with different surface magnetic
field strengths, BNS = 3.3 × 109 G (red), 1010 G (blue), and 3.3 × 1010 G (black). Dashed lines show the analytical model
of rM (Takahashi & Ohsuga 2017). Panel (b): Ṗ as a function of the mass accretion rate at the NS surface with different
surface magnetic field strengths. Dashed lines show the analytical model of Ṗ (Takahashi & Ohsuga 2017). Parameters for the
analytical model : MNS = 1.4M�, rNS = 10 km and α = 0.1.

×
( α

0.1

)2/7
(

Ṁin

102ṀEdd

)−2/7(
BNS

1010 G

)4/7

×
(
MNS

1.4M�

)−3/7 ( rNS

10 km

)12/7

, (24)

where α is the viscous parameter (Shakura & Sunyaev 1973) and we take α = 0.1. We can find that the resulting rM

is consistent with the analytical one. We note that the results of models B1e10D1 np and B3e9D01 np are not plotted

since rM is not determined in these models as mentioned above.

We estimate Ṗ as follows,

Ṗ =

〈
L̇
〉

MNSlNS
P, (25)

L̇=

∫
Mr
φ

√
−gdθdφ. (26)

(Shapiro & Teukolsky 1986; Takahashi & Ohsuga 2017). Here, lNS = 2πr2
NS/P and P are the specific angular momen-

tum and rotation period of the NS, respectively. For numerical estimation, we assume P = 9.8 s, which corresponds

to that observed in Swift J0243.6+6124. Figure 4 (b) shows that Ṗ is in the range from −10−9 s s−1 to −10−7 s s−1,

which is not inconsistent with the observed value of Swift J0243.6+6124, Ṗ ∼ −10−8 s s−1 (see Section 3.3 for detail).

It is also clearly seen that the larger Ṁin and higher BNS leads to large Ṗ . Dashed lines indicate the analytical solution

for Ṗ , which can be calculated assuming that the Keplerian angular momentum at rM is transported to the NS without

dissipation (Takahashi & Ohsuga 2017, see also Appendix B):

Ṗ ∼−2.2× 10−9 [s · s−1]

×
( α

0.1

)1/7
(

Ṁin

102ṀEdd

)6/7(
BNS

1010 G

)2/7

×
(
MNS

1.4M�

)2/7 ( rNS

10 km

)−8/7
(

P

10 s

)2

. (27)

The resulting Ṗ is roughly comparable to the analytical one.
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Figure 5. Top: time-averaged radial profiles of the mass accretion rate (thick solid lines), mass outflow rate (dashed lines), and
net flow rate (thin solid lines). The vertical line is the position of the magnetospheric radius. Middle: time and shell-averaged
mass flux weighted radial forces normalized by the gravitational force. Bottom: time-averaged mass flux weighted vertical forces
divided by the vertical gravitational force at θ = π/2−ΘH.

3.2. Powerful outflows

In Figure 5, we show that powerful outflows are launched from the super-Eddington accretion disk and are driven by

radiation and centrifugal forces. The top panel in Figure 5 shows time-averaged Ṁin (thick solid line), Ṁout (dashed

line), and net flow rate Ṁnet = Ṁin − Ṁout (thin solid line) as a function of r in the case of model B1e10D01. The

position of rM in this model is represented by a vertical line. This panel indicates that outflows mainly originate from

the accretion disk. This is clearly understood from the fact that Ṁout increases significantly with increasing r, and

Ṁout for r < rM is much smaller than that for r > rM. The mass accretion rate Ṁin decreases with decreasing r due

to efficient mass ejection from the accretion disk. The mass outflow rate Ṁout is much smaller than the mass accretion

rate at r < rM, and we find Ṁnet ∼ Ṁin � Ṁout inside the magnetosphere.

Next, we investigate the radial profile of forces acting on fluid elements. The steady-state axisymmetric equations

of motion in the r- and θ-direction in the statistic observer frame are,

f (r)
grav + f

(r)
thermal + f

(r)
θ,cent + f

(r)
φ,cent + f

(r)
rad + f (r)

mag + f
(r)
adv = 0, (28)

f
(θ)
inertial + f

(θ)
thermal + f

(θ)
φ,cent + f

(θ)
rad + f (θ)

mag + f
(θ)
adv = 0, (29)

where superscript (r) and (θ) denote the r- and θ-component of the vectors in the static observer frame. The forces

acting on fluid elements consist of the gravitational force fgrav, thermal force fthermal, radiation force frad, Lorentz

force fmag, centrifugal force fcent, inertial force finertial, and advection force fadv. The centrifugal force is divided

into two components, fθ,cent and fφ,cent, which are caused by the polar (θ-) and azimuthal (φ-) motions, respectively

(see Appendix C for detail). We define the total force ftot as the sum of all forces without fgrav, and therefore

−f (r)
tot /f

(r)
grav = 1 holds.
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The middle panel in Figure 5 shows time and shell-averaged mass flux weighted radial forces normalized by the

gravitational force as a function of r, which can be calculated as follows:〈
f (r)

〉
ρur,θφ

=
1

〈 Ṁout(r) 〉

〈∫
f (r) max[ρur, 0]

√
−gdθdφ

〉
. (30)

The bottom panel in Figure 5 shows time-averaged mass flux weighted z-component of the forces normalized by the

vertical gravitational force, 〈
f (z)

〉
ρur

=

〈
max[ρur, 0]f (z)

〉
〈max[ρur, 0]〉

, (31)

f (z) = f (r) cos θ − f (θ) sin θ, (32)

at the disk surface. The polar angle of the disk surface is defined as θ = π/2−ΘH, where

ΘH =

〈√∫
ρ(π/2− θ)2√gθθdθ∫

ρ
√
gθθdθ

〉
. (33)

It is clear that the outflows are mainly driven by the radiation force for 20 km < r < 50 km, where the radiation

force is stronger than the other forces in both r- and z-directions. For 50 km < r < 200 km, the gas is launched from

the accretion disk by the radiation force and moves outward by centrifugal force. The Lorentz force is dominant at

r < rM, but as already mentioned, most of the outflows are of disk origin (r > rM). The thermal force, centrifugal

force due to the motion in the θ-direction, advection force, and inertial force are significantly small over the whole

region. The radial distribution of forces for r > rM in models B3e9D001, B3e9D01, B1e10D001, B1e10D002, B1e10D004,

B3e10D001, B3e10D01, B3e10D02, B3e10D04, and B3e10D1 is similar to that in model B1e10D01. The radial profile of

forces outside r = rNS in models B3e9D01 np and B1e10D1 np, where the magnetosphere is not formed, is the same as

that in the disk region outside r = rM in model B1e10D01.

Figure 6. Distributions of time-averaged gas temperature of models B1e10D001, B1e10D01, B1e10D1 np, Red lines show
locations of the photosphere, τeff = 1.

In Figure 6, we show the gas temperature distribution and the location of the photosphere. In all models, the gas

temperature tends to be high near the z-axis and in the equatorial plane at r < 750 km. Red lines indicate the
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photospheres, 〈τeff〉 = 1, where 〈τeff〉 is the time-averaged effective optical depth measured as,

〈τeff(r)〉 =

∫ rout

r

〈ρ〉
√
〈κabs〉 (〈κabs〉+ κsca)

√
grrdr, (34)

where 〈κabs〉 = 6.4 × 1022 〈ρ〉 〈Tg〉−3.5
[cm2 g−1]. As can be seen in this figure, the photosphere extends to surround

the disk region. The larger the mass accretion rate, the wider the region surrounded by the photosphere. This can be

understood from a comparison of models B1e10D001, B1e10D01, and B1e10D1 np. Also, within the range of parameters

employed in the present study, the position of the photosphere does not depend much on BNS. It is clear from the

fact that the photosphere of models B1e10D01 and B3e10D01 hardly change (see red lines in Figure 6). In all models,

the gas temperature on the photosphere is ∼ 107 K over a wide range of polar angles. From this, it is expected that

blackbody radiation with a temperature of ∼ 107 K can be observed.

Figure 7. The polar angle (θ) dependencies of the thermalization radius rth (top panel), the gas temperature at the
photospheres Tth (middle panel), and the gas velocity at the photospheres vth (bottom panel).

Hereafter, we define the thermalization radius rth as the radius where 〈τeff〉 = 1. That is, the radius of the photosphere

is represented as rth. In Figure 7, we plot rth (upper panel) and the time-averaged gas temperature at the photospheres

Tth (middle panel) as a function of polar angle θ. In model B1e10D1 np, which has the largest Ṁin in our models,

rth & 1000 km at 30◦ < θ < 150◦. Models with smaller Ṁin tend to have smaller rth. The thermalization radius rth is

slightly less than 1000 km at 40◦ < θ < 140◦ in models B1e10D01 and B3e10D01 and is ∼ 500 km at 60◦ < θ < 120◦

in model B1e10D001. The thermalization radius cannot be determined close to the rotation axis (θ . 30◦, 150◦ . θ)

since the gas is optically thin and 〈τeff〉 < 1 even at the NS surface. The range of θ, within which rth can be obtained,

narrows as Ṁin decreases. In all models, Tth is almost constant at the angular range where rth can be determined. The

bottom panel in Figure 7 shows the polar angle dependence of the radial gas velocity at the photosphere, v(r)(rth),

where v(r) = u(r)/u(t). We can see v(r)(rth) > 0 on the photosphere, which indicates that most of the photosphere

is located inside the optically thick outflows. Hereafter, we refer to such an outflow as an effectively optically thick

outflow (Urquhart & Soria 2016).



AASTeX v6.3.1 Sample article 13

Here, we estimate the blackbody temperature Tbb by taking θ-averaged Tth on the photosphere as

Tbb =
1∫ √

−g(rth(θ), θ)dθ

∫
Tth(θ)

√
−g(rth(θ), θ)dθ. (35)

This integration is performed on the surface where the thermalization radius can be estimated. The corresponding

blackbody radius rbb can be calculated as

rbb =

[
〈LISO〉θ
4πσT 4

bb

]1/2

, (36)

where the θ-averaged isotropic luminosity 〈LISO〉θ is

〈LISO〉θ =− 4πr2
out∫ √

−g(rout, θ)dθ

∫
〈Rrt (rout)〉

√
−g(rout, θ)dθ. (37)

Here, θ integration is also conducted only in the range where the thermalization radius can be obtained. The resulting

Tbb and rbb are presented in Table 2. The blackbody temperature is not so sensitive to the accretion rate and is

∼ 107 K, which is consistent with the blackbody temperature observed in Swift J0243.6+6124 at the super-Eddington

phase (Tao et al. 2019). The resulting rbb is roughly fitted as

rbb = 3.2

(
Ṁ

ṀEdd

)0.71

[km]. (38)

Tao et al. (2019) showed that the thermal photons would come from r = 100− 500 km for Swift J0243.6+6124. Using

equation (38), our model can explain this radius when the accretion rate is 130ṀEdd < Ṁin < 1200ṀEdd. In the

models treated in the present study, there is no clear result that rbb depends on BNS. We will discuss this point later.

We run three models, B1e10D001 a, B1e10D001 b, and B1e10D001 c, which have the same initial parameters as

model B1e10D001 except for the resolution, to assess the effect of the resolution. We confirm that rM and Ṁout of

models B1e10D001 a and model B1e10D001 b are almost the same as those of model B1e10D001, while those of model

B1e10D001 c are different from those of model B1e10D001. The resolution of the simulation models adopted in this

study is the same as or higher than that of model B1e10D001 b. Therefore, our simulation results are independent of

the resolution.

3.3. Magnetic field strength of the neutron star in Swift J0243.6+6124

Here, we suggest how to constrain BNS using analytical solutions of rM and Ṗ and the conditions under which

effectively optically thick outflows, which can reproduce the blackbody radiation observed in Swift J0243.6+6124,

occur.

It is necessary to simultaneously satisfy rM < rco, where rco is the corotation radius, and rM can be defined (that

is, rM > rNS) in ULXPs. The condition of rM < rco is for gas to accrete onto the NS (Illarionov & Sunyaev 1975).

Otherwise, the gas would all be blown away due to the propeller effect. The accretion columns are formed in the

case that the second condition is satisfied (see Figure 3 for detail). Substituting equations (24) and (27) into these

condition, we get

BNS<1.6× 1014 [G]

×
( α

0.1

)−1/2
(

Ṗ

−10−8 s s−1

)1/2

×
(
MNS

1.4M�

)( rNS

106 cm

)−2

, (39)

and

BNS>7.5× 109 [G]

×
( α

0.1

)−1/2
(

Ṗ

−10−8 s s−1

)1/2(
MNS

1.4M�

)1/2

×
( rNS

106 cm

)−1/2
(

P

10 s

)−1

. (40)



14 Inoue et al.2023

If the magnetic field strength at the NS surface satisfies the inequalities of (39) and (40), then the column accretion

onto the magnetic poles of the NS appears, and such objects can be the candidates for the ULXPs.

Next, we consider the emergence of the outflows from the super-Eddington disks. The radiatively driven outflows

are thought to be launched in the slim disk region, which is inside the spherization radius (or trapping radius), rsph.

This is discussed in Shakura & Sunyaev (1973) and revealed by the numerical simulations (Kitaki et al. 2021; Yoshioka

et al. 2022). The spherization radius is roughly estimated as rsph = (3/2)(Ṁin/ṀEdd)rg. Since the disk is truncated

at r = rM, the ULXPs accompanying the outflows appear if the condition of rM < rsph is satisfied in addition to

rNS < rM < rco (Mushtukov et al. 2019). Using equations (24) and (27), rM < rsph becomes

BNS<1.5× 1012 [G]

×
( α

0.1

)−1/2
(

Ṗ

−10−8 s s−1

)3/2

×
(
MNS

1.4M�

)(
P

10 s

)−3

. (41)

Equations (39)-(41) are the general conditions to explain the ULXPs, while we concentrate on the discussion about

Swift J0243.6+6124 in the following. As described in Section 3.2, the range of the mass accretion rate that can

reproduce the blackbody radiation observed in this object is 130ṀEdd < Ṁin < 1200ṀEdd from relation (38). Using

equation (27), this condition is transformed as

BNS<9.8× 1011 [G]

×
( α

0.1

)−1/2
(

Ṗ

−10−8 s s−1

)7/2(
MNS

1.4M�

)−1

×
( rNS

106 cm

)4
(

P

10 s

)−7

, (42)

BNS>1.3× 109 [G]

×
( α

0.1

)−1/2
(

Ṗ

−10−8 s s−1

)7/2(
MNS

1.4M�

)−1

×
( rNS

106 cm

)4
(

P

10 s

)−7

. (43)

Among ULXPs with outflows, objects that meet the conditions (41) and (42) would have effectively optically thick

outflows, and the blackbody radiation with rbb > 100 km would appear in the radiation spectrum.

Figure 8 summarizes the conditions shown above in the Ṗ − BNS plane. Here, we assume P = 9.8 s, which is

the rotation period observed in Swift J0243.6+6124 (Doroshenko et al. 2018; Chen et al. 2021). We take α = 0.1,

MNS = 1.4M�, and rNS = 10 km. The red shaded region indicates the ULXP with outflow, which satisfies both

rNS < rM < rco and rM < rsph. The ULXP without outflow is in the white region, where rNS < rM < rco is

satisfied but rM < rsph is not satisfied. The condition of ULXPs such as rM > rco (propeller regime) or rM < rNS

(non-pulsating regime) is not satisfied in grey shaded regions. In the blue hatched region where the accretion rate is

130ṀEdd < Ṁin < 1200ṀEdd, effectively optically thick outflows with rbb = 100− 500km and Tbb ∼ 107K appear so

that the blackbody radiation, as observed in Swift J0243.6+6124, is thought to be reproduced. Here, it is confirmed that

the models that can successfully reproduce such effectively optically thick outflows and accretion columns (B1e10D004,

B1e10D01, B3e10D01, and B3e10D02) are located in the blue hatched region (filled circles). In contrast, other models

are located outside the blue hatched region (filled squares). In observations of Swift J0243.6+6124, P is almost

constant, while Ṗ is reported to be −2.22× 10−8 s s−1 (Obs. 1), −1.75× 10−8 s s−1 (Obs. 2), and −6.8× 10−9 s s−1

(Obs. 3) (Doroshenko et al. 2018; Chen et al. 2021). These observed spin-up rates are denoted by black dashed lines

in Figure 8. In Obs. 1 and 2, the observed isotropic luminosity exceeds LEdd, and the thermal emission of which the

observed blackbody radius is 100 − 500 km is observed (obsID: 90302319004, 90302319006 and 90302319008 in Tao

et al. 2019). Then, the magnetic field strength is restricted to be 2 × 1010 G < BNS < 5 × 1012 G for Obs. 1 and

1010 G < BNS < 4× 1012 G for Obs. 2, which are represented by black solid lines. In Obs. 3, on the other hand, the
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Figure 8. Here, the conditions (39)-(43) are summarized in the Ṗ − BNS plane (see text for detail). The spin-up rates of
models B1e10D004, B1e10D01, B3e10D01, and B3e10D02 are shown by filled circles, while square markers are that of the other
models. We employ table 1 in Chen et al. (2021) for the observed Ṗ (see also Doroshenko et al. 2018). Parameters for the
conditions: α = 0.1, MNS = 1.4M�, rNS = 106 cm, and P = 9.8 s.

luminosity is lower than LEdd, and the thermal emission is not observed. Such features are realized in the condition

that the magnetic field is in the range of 3× 1011 G < BNS < 1014 G (see black solid line for Obs. 3). Therefore, the

magnetic field strength that satisfies the three observations is between 3× 1011 G and 4× 1012 G. Using the equation

(27), the mass accretion rate corresponding to this range is estimated to be 200ṀEdd . Ṁin . 500ṀEdd for Obs. 1

and 2, and 60ṀEdd . Ṁin . 100ṀEdd for Obs. 3. Since the luminosity has been reported to be ∼ 1039 erg s−1 at the

super-Eddington phase in Swift J0243.6+6124 (Obs.1 and 2), the radiative efficiency of this object is 1-5%, which is

smaller than the standard accretion efficiency. This indicates that Swift J0243.6+6124 is observed at a relatively large

viewing angle within the range where the pulse emission is detected. The magnetic field strength evaluated in the

present study is not inconsistent with previous studies (Tsygankov et al. 2018; Doroshenko et al. 2020). Tsygankov

et al. (2018) estimated the upper limit for BNS in Swift J0243.6+6124, < 6× 1012 G, from the fact that the transition

to the propeller regime was not detected even at a luminosity of 6× 1035 erg s−1. Doroshenko et al. (2020) concluded

that BNS in Swift J0243.6+6124 is in (3−9)×1012 G and likely at the lower limit of this range. We note that BNS here

is assumed not to change during the observation. This assumption would be reasonable since it has been pointed out

that the NS magnetic field strength does not change for a sufficiently long period, > 1 Myr, based on the observations

of some X-ray pulsars and the ULXP, NGC 1313 X-2 (Makishima et al. 1999; Sathyaprakash et al. 2019). Although

the NSs might have multipole magnetic fields, we focus on the case of the dipole magnetic fields in this study. We will

discuss multipole fields later.

4. DISCUSSIONS

4.1. Geometrical beaming

In our all models, the radiation is highly beamed by the outflows from the accretion disk. The amplification factor

〈Liso〉 / 〈Lrad〉 ≡ 1/b exceeds 100 at maximum, which is higher than that indicated by King & Lasota (2019) (typically

1/b ∼ 1 − 10) (see also Takahashi & Ohsuga 2017; Abarca et al. 2021). The cause of this difference is probably the

magnetic field strength. The difference will be smaller if we employ a strong BNS by which rM nearly equals rsph,

although rM is much smaller than rsph in the present study. As rM approaches rsph, the outflow rate would decrease

since the outflows mainly occur in rM < r < rsph. In this case, the outflow can no longer effectively collimate the

radiation, and therefore 1/b would decrease (Abarca et al. 2021). Although simulating rM ∼ rsph is difficult and

beyond the scope of the present study (see also Section 4.5), we plan to conduct such simulations in the future.

4.2. Comparison with observations of NGC 5907 ULX1 and NGC 1313 X-2

Here, we show, based on the present simulations, that the ULXPs, NGC 5907 ULX1 and NGC 1313 X-2, are thought

to be powered by the highly super-Eddington accretion onto NSs with relatively weak magnetic fields. In NGC 5907
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ULX1, the mechanical power (Lobs
mec), which is evaluated from the observed nebula emission of the ULX bubbles, is

reported to 1.3 × 1041 erg s−1 (Belfiore et al. 2020), and is comparable to 〈Lkin〉 for the higher mass accretion rate

model (B3e10D1), ∼ 8 × 1040 erg s−1. In addition, the isotropic luminosity 〈LISO〉 in model B3e10D1 at θ ∼ 30◦ or

150◦ is almost the same as the observed X-ray luminosity, Lobs
ISO ∼ 2.2 × 1041 erg s−1 (Israel et al. 2017a), where the

isotropic luminosity is calculated as 〈LISO〉 = −4πr2
out 〈Rrt 〉. Thus, NGC 5907 ULX1 probably has a mass accretion

rate of > 103ṀEdd and is viewed from at the polar angle 20-30 degrees away from the z-axis. The magnetic field

strength of the NS is stronger than 1010 G. This is because 〈Lkin〉 and 〈LISO〉 of model B1e10D1 np are almost the

same as those of model B3e10D1, but no accretion column appears in this model.

Also, 〈Lkin〉 for our slightly lower mass accretion models (B1e10D01, B3e10D01, and B3e10D02) are comparable to

Lobs
mec in NGC 1313 X-2, ∼ 1040 erg s−1 (Pakull & Grisé 2008). In these models, the viewing angle, at which LISO is

consistent with Lobs
ISO ∼ (1.4−2.0)×1040 erg s−1, is about 30 to 40 degrees measured from the z-axis. Therefore, NGC

1313 X-2 would be almost a face-on object with a mass accretion rate of several 102ṀEdd. Since no accretion column

is formed in model B3e9D01 np, of which the kinetic and isotropic luminosity are similar to those of the above three

models, BNS would be stronger than 3.3× 109 G.

According to our numerical models, both NGC 5907 ULX1 and NGC 1313 X-2 would also have effectively optically

thick outflows with rbb > 100 km. Indeed, the thermal emission, probably originated from outflows, was reported in

NGC 1313 X-2 (Qiu & Feng 2021). However, such emission is not detected in NGC 5907 ULX1. This inconsistency

can be resolved by conducting simulations of a large rM. If BNS is so strong that rM is comparable to rsph, then the

outflow rate is thought to decrease, and thermal emission is not detected. In this case, 1/b decreases as discussed in

Section 4.1, and the observer’s viewing angle should be smaller than that estimated above for 〈LISO〉 to be consistent

with Lobs
ISO ∼ (1.4 − 2.0) × 1041 erg s−1. However, increasing BNS may change the intrinsic luminosity, and therefore

simulations with a high BNS is necessary to perform. Post-processing radiative transfer simulations are needed to

obtain detailed radiation spectra and compare the observation (Kawashima et al. 2012; Kitaki et al. 2017; Narayan

et al. 2017).

On the other hand, no nebular has been detected around Swift J0243.6+6124. The reason is that the object is a

transient source. In order to form a nebula extending over 100 pc, an energy injection, ∼ 1040 erg s−1, from the central

object is needed to last for at least 105 yr (Pakull & Grisé 2008; Belfiore et al. 2020).

4.3. Ultraluminous supersoft sources

Our simulations are consistent with the hypothesis proposed by Urquhart & Soria (2016) in which ULXs are observed

as ultraluminous supersoft sources (ULSs) by an edge-on observer, as far as the angular range of τeff > 1 and its

accretion rate dependence are concerned. According to their model, the optical depth of the outflows τeff is larger than

unity at 35◦ < θ < 145◦ for Ṁin ∼ 100ṀEdd, and the polar angle at which τeff > 1 widens as the mass accretion rate

increases. These features are also obtained in our simulations. Indeed, simulated outflows are effectively optically thick

at polar angles greater than 40 degrees away from the z-axis for models B1e10D01 and B3e10D01 (see Figures 6 and 7
for detail). The mass accretion rates in these models are 500ṀEdd and 720ṀEdd, respectively (Table 2). This angular

range and the mass accretion rates do not so contradict the suggestion by Urquhart & Soria (2016) mentioned above.

Other models, in which the accretion rate is ∼ 102−3ṀEdd and the accretion columns form, show approximately the

same results. In addition, the angular range where τeff > 1 widens with increasing in the mass accretion rate (see

Figure 7). However, the blackbody temperature estimated from the simulation, ∼ 107 K, is higher than that observed

in the ULSs, ∼ 106 K. Such a discrepancy might be resolved by the simulations with the initial torus located far

away since the winds launched from the outer part of the accretion disks work to expand the photosphere and lower

the temperature there (we will discuss this point later). If this is the case, our simulations are consistent with the

hypothesis in which ULSs are edge-on sources of ULXs.

4.4. Why does the one-side accretion occur?

The accretion to only one of the poles (one-side accretion) occurs in models with a relatively large truncation radius

(B3e9D001, B1e10D001, B1e10D002, B3e10D001, B3e10D01, and B3e10D02) since the distorted magnetic field lines

inhibit the gas accretion onto the opposite side. Initially, the shape of the NS magnetic field is symmetric with respect

to the equatorial plane. Then, the magnetic field on the equatorial plane is perpendicular to the equatorial plane.

However, when the gas accumulates at the truncation radius and flows toward either pole, the magnetic field lines are

distorted (see magnetic field lines in the left panel of Figure 3). The magnetic field on the equatorial plane at the
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truncation radius will be tilted with respect to the equatorial plane. Since the gas tends to move to the side with

the lower gravitational potential, the gas flows in the direction in which the preceding gas accretes. The accretion

column on the opposite side is less likely to be formed. This one-side accretion is more pronounced for the model with

a large truncation radius (B3e9D001, B1e10D001, B1e10D002, B3e10D001, B3e10D01, and B3e10D02). In contrast, for

the case where the truncation radius is very small, the gas on the surface of the thick disk accretes to the opposite

pole, forming two accretion columns (models B1e10D01, B1e10D004, B3e10D04, and B3e10D1). The one-side accretion

described above was also shown by some MHD simulations (see e.g., Lii et al. 2014; Takasao et al. 2022). We discuss

the importance of three-dimensional simulations to study the detailed structure of accretion flow in the subsequent

section.

4.5. Future issues

Three-dimensional simulations of non-axisymmetric accretion flows onto a rotating NS have yet to be performed.

In this study, we assume an axisymmetric structure, in which the magnetic axis of the NS coincides with the rotation

axis of the accretion disk, and perform two-dimensional simulations. However, the gas is thought to accrete onto

the NS surface through multiple streams due to the magnetic Rayleigh–Taylor or interchange instability (Kulkarni

& Romanova 2008). Furthermore, the pulse emission is produced by the misalignment between the magnetic axis

and rotation axis of the NS. Thus, we need to treat a non-axisymmetric structure with three-dimensional simulations.

The misalignment of two axes might make the one-side accretion difficult to occur since the gas in the accretion disk

would preferentially accrete to the closest pole (see e.g., Romanova et al. 2003). In addition, if the NS rotates as

fast as millisecond pulsars, the outflow rate might increase due to the effective acceleration by a rapidly rotating

magnetosphere of the NS (e.g., Lovelace et al. 1999). Since the size of the photosphere increases as the mass outflow

rate increases, the gas temperature decreases. As a result, rbb increases, and BNS is larger than that estimated in

Figure 8. Simulations taking account of the rotation of the NS have been performed by Parfrey & Tchekhovskoy

(2017) and Das et al. (2022).

In our simulations, the gas-radiation interaction is switched off in the very vicinity of the rotation axis near the

NS where σ > σrad (see Section 2.3). This treatment would not affect the resulting size and temperature of the

photosphere in Section 3.2. In the present simulations, the radiatively driven outflows are launched from the accretion

column base as well as the accretion disk (see also Abolmasov & Lipunova 2022). However, the opacity of free-free

absorption of such outflows is quite small due to the low-density and high temperature. This leads to the smaller

size of the photosphere for θ . π/6, 5π/6 . θ compared with that formed by outflows from the accretion disk (rth ∼
several 100 km, see red lines in Figure 6). If we do not ignore the gas-radiation interaction near the rotation axis,

the outflowing gas launched from the accretion column is more effectively accelerated by the radiation force near the

rotation axis. This further reduces the gas density and size of the photosphere. Therefore, neglecting the gas-radiation

interaction in the vicinity of the rotation axis near the NS does not affect the size and temperature of the photosphere

presented in Section 3.2.

We need to investigate the influence of the boundary condition. In this study, we assumed that the kinetic and

thermal energy reaching the inner boundary (NS surface) is immediately converted into radiative energy. Under this

boundary condition, the energy carried to the NS core is ignored. In reality, a fraction of the energy reaching the

NS surface is converted into the thermal energy of the NS atmosphere. The heat flux from the atmosphere to the

core occurs due to thermal conduction (see Wijnands et al. 2017, and references therein). Then, the radiative energy

generated on the NS surface might decrease, leading to a decrease in radiative luminosity. Also, the accretion flow

geometry might change if we set different boundary conditions (see Appendix A for detail). Investigation of how the

accretion flow depends on the boundary conditions is left as future work.

GR-RMHD simulations of large-scale accretion flows are also needed to evaluate rbb and Tbb, more accurately. It has

been pointed out that the simulations in which the initial torus is located inside the spherization radius overestimate

the mass outflow rate (see Kitaki et al. 2021; Yoshioka et al. 2022). Therefore, the accretion rate to reproduce effectively

optically thick outflows would be higher than that estimated in the present study. This point should be clarified in

long-term simulations with the initial torus placed far enough away from the spherization radius. In such simulations,

the disk wind is expected to blow from the outer region of the accretion disks (r . rsph). The blackbody radius would

be larger, and the blackbody temperature would be smaller in the region near the equatorial plane. If this is the case,

edge-on observers might identify the objects as the ULSs.
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In the present study, we adopt a relatively weak magnetic field of the NS 3.3 × 109−10 G compared to the typical

X-ray pulsar 1011−13 G. As BNS increases while the accretion rate remains fixed, the amount of the outflowing gas

probably reduces since the area where radiatively driven outflows mainly occur, π(r2
sph − r2

M), decreases. This leads

the photosphere to be small and the gas temperature at the photosphere to be high. It is expected that the blackbody

radius tends to decrease with an increase in BNS. In this case, the magnetic field strength of Swift J0243.6+6124

estimated in Section 3.3 would decrease. Although rbb may depend on BNS as described above, rbb is a function of

mass accretion rate only (see Table 1 and equation 38) in our results since simulations of rM � rsph are performed.

In addition, it has been reported that when BNS is strong enough that rM > rsph, rM is no longer dependent on BNS

(Chashkina et al. 2017). We need to perform simulations for the strong BNS case.

The M1 closure, which is employed in the present study, leads to unphysical solutions when the system is optically

thin and the radiation fields are anisotropic (see e.g., Ohsuga & Takahashi 2016). In our simulations, especially in the

models where the one-side accretion occurs, the radiation fields are quite anisotropic. In order to accurately calculate

the radiation fields, we have to solve the radiative transfer equation. Such radiation MHD simulations, in which the

radiative transfer equation is solved, are performed by Jiang et al. (2014), Ohsuga & Takahashi (2016), Asahina et al.

(2020), Zhang et al. (2022), and Asahina & Ohsuga (2022).

The modeling of Swift J0243.6+6124 considering multipolar magnetic field components is to be further investigated.

Although we constrain the dipole magnetic field strength at the NS surface, 3 × 1011 G < BNS < 4 × 1012 G, in the

present work (see also Tsygankov et al. 2018; Doroshenko et al. 2020), a cyclotron resonance scattering feature (CRSF)

corresponding to 1.6 × 1013 G was reported by Kong et al. (2022). This discrepancy is resolved if CRSF originates

from multipole magnetic fields, as already suggested by some authors (see e.g., Israel et al. 2017a). In the case that the

multipole magnetic field component is dominant over the dipole component, the accretion flow geometry is expected

to be more complex (Long et al. 2007; Das et al. 2022), and the position of the magnetospheric radius changes. We

plan to perform the GR-RMHD simulations of super-Eddington accretion flows onto the NS with multipole magnetic

fields.

Our models might exhibit a high polarization degree, as recently observed in the X-ray binary (Veledina et al. 2023;

Ratheesh et al. 2023). The hard X-ray photons produced in the accretion column base are scattered by the inner wall

of funnel, which consists of the effectively optically thick outflows, and pass through the low-density region near the

rotation axis. If such photons are observed, a high polarization degree might be detected. Indeed, Ratheesh et al.

(2023) reported that the polarization degree increases from approximately 6% at 2 keV to 10% at 8 keV. Post-process

polarized radiative transfer simulations are needed to compare our models with such observations.

5. CONCLUSIONS

We performed two-dimensional axisymmetric GR-RMHD simulations of super-Eddington flows around NSs with a

dipole magnetic field for modeling the galactic ULXP, Swift J0243.6+6124. In our simulations, the accretion columns

near the magnetic poles, the super-Eddington disk outside the magnetospheric radius, and outflows launched from the

disk appear. If the magnetospheric radius (truncation radius) is smaller than the spherization radius, the outflows are

generated since the radiation force mainly drives the outflows inside the spherization radius. When the accretion rate

is large enough while satisfying the above condition, effectively optically thick outflows are launched from the disk

and would be responsible for the blackbody radiation. The blackbody temperature of the effectively thick outflow,

∼ 107 K, is roughly consistent with the observations by Tao et al. (2019). The blackbody radius increases with an

increase in the mass accretion rate and agrees with observations, 100 − 500 km, when the accretion rate is about

(130 − 1200)ṀEdd. Since the blackbody radiation was detected in two observations with Ṗ of −2.22 × 10−8 s s−1

and −1.75 × 10−8 s s−1, but not in another with Ṗ ∼ −6.8 × 10−9 s s−1, the surface magnetic field strength of the

NS in Swift J0243.6+6124 is limited to be 3 × 1011 G . BNS . 4 × 1012 G. The accretion rate is evaluated to be

(200− 500)ṀEdd when the blackbody radiation is detected and (60− 100)ṀEdd when the blackbody radiation is not

observed. Our results support the hypothesis that the super-Eddington phase in the 2017-2018 giant outburst of Swift

J0243.6+6124 is powered by super-Eddington accretion flows onto a magnetized NS.
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APPENDIX

A. DEPENDENCE OF THE ACCRETION FLOWS ON THE BOUNDARY CONDITIONS

Here, we show the dependence of the accretion flows on the inner boundary condition of the radiative flux. Figure 9

shows the time evolution of the gas density and radiation energy density with different boundary conditions. The top

panel is the result of model Be10D01 where the radiative flux at the NS surface is set to zero. On the other hand, the

results of the model in which the radiative flux is set according to the free boundary condition are presented in the

bottom panel (free boundary model). Cyan lines show the magnetic field lines. We can see that the low-density void

region is formed between two accretion columns (10 km < r < 13 km and 50◦ < θ < 130◦). A part of the photons

emitted from the accretion columns is transported to the void region. These photons push the gas outward and the

void is suffered from expansion (see, the right top panel of Figure 9). This void repeatedly contracts and expands.

The period of repeated expansion is about ∼ 500tg ' 10−3 s. However, the variation in the mass accretion rate at

the NS surface due to the expansion is negligibly small. Such a structure can not be seen in the free boundary model.

This is because the photon can freely penetrate the NS surface, and the outward radiation force considerably becomes

small compared with model B1e10D01.

We also find that the thickness of the accretion column in the free boundary model is thinner than that of model

B1e10D01. It may originate from the decrease in the radiation energy of the accretion column due to the free boundary

condition. It can be seen that the radiation energy at the base of the accretion column in model B1e10D01 is about

one hundred times larger than that in the free boundary model.

B. ANALYTIC FORMULA OF MAGNETOSPHERIC RADIUS AND SPIN-UP RATE

Takahashi & Ohsuga (2017) derived the analytical formulas of the magnetospheric radius (24), and spin-up rate

(27), applying the self-similar solutions for the slim disk proposed by Watarai & Fukue (1999). Here we summarize

the derivations of these formulas.

In the slim disk model, the energy balances are Q−
adv = Q+

vis + Q−
rad = fQ+

vis (Narayan & Yi 1994), where Q−
adv

is the advected energy, Q+
vis is the viscous-dissipated energy, Q−

rad is the radiative cooling energy, and f represents

the fraction of the advective cooling to the viscous-dissipated energy. Using the height-integrated radiation pressure

described in equation 12 in Watarai & Fukue (1999) and the scale height of the accretion disk H, presented in equation

11 in Watarai & Fukue (1999), we get

prad = Πrad/2H =
Ṁ

4πα

c
1/2
3

c1

√
GMNS

r5
, (B1)

where α is the viscous parameter (Shakura & Sunyaev 1973), c1 and c3 is the constant depenting on Γ, f and α (see

Watarai & Fukue 1999, for detail). In this study, we take Γ = 1.5, f = 0.1 for the analytical formula. The reason why

we do not employ Γ = 5/3 is that the rotational velocity of the disk is zero with Γ = 5/3 (Narayan & Yi 1994). The

magnetic pressure at radius r by the dipole magnetic field is pmag = B2
NS/8π(rNS/r)

6. The magnetospheric radius rM
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Figure 9. Time evolution of the mass density and the radiation energy density. The colors show the gas density and radiation
energy density. The cyan lines represent the magnetic field lines. The top panel is the results of model B1e10D01. The results of
the model, where the free boundary condition is adopted for radiative flux (free boundary model), are presented in the bottom
panel. All the same initial parameters as B1e10D01 are adopted in the free boundary model except for the boundary condition
of the radiative flux.

is defined as the radius where pmag balances with prad:

rM =

(
1

8π

c1

c
1/2
3

cκsca

G3/2

)2/7

×α2/7

(
Ṁin

ṀEdd

)−2/7

B
4/7
NS M

−3/7
NS r

12/7
NS . (B2)

Next we give the derivation of the spin-up rate. The spin-up rate can be calculated by assuming that the Keplerian

angular momentum at rM is transported to the NS without dissipation. In this case, spin-up rate is represented by

Ṗ = −Ṁl(rM)/MNSlNS (Shapiro & Teukolsky 1986), where l =
√
GMNSr is the specific Keplerian angular momentum.

Using (B2), the spin-up can be calculated as follows:

Ṗ =−2G3/2

cκsca

(
1

8π

c1

c
1/2
3

cκsca

G3/2

)1/7
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×α1/7

(
Ṁin

ṀEdd

)6/7

×B2/7
NS M

2/7
NS r

−8/7
NS P 2. (B3)

C. EQUATIONS OF MOTION IN GENERAL RELATIVITY

Here, we derive the equations of motion, which are used in this study, according to Mihalas & Mihalas (1984).

Equation (2) can be transformed to

∂µT
µν = −Tµν ∂µ

√
−g√
−g

− ΓναµT
αµ +Gν . (C4)

Subtracting the time component of (C4) multiplied by ui/ut from the spatial component of (C4), the following relation

can be obtained:

∂µT
µi− u

i

ut
∂µT

µt

=−
(
Tµi − ui

ut
Tµt
)
∂µ
√
−g√
−g

−
(

Γiαµ −
ui

ut
Γtαµ

)
Tαµ +Gi − ui

ut
Gt. (C5)

We define the relativistic enthalpy, w = ρ+ pgas + e+ b2, and equation (C5) can be written as

∂µT
µi − ui

ut
∂µT

µt=wuµ
[
∂µ

{
ei(α)

}
− ui

ut
∂µ

{
et(α)

}]
u(α)

+w

[
ei(α) −

ui

ut
et(α)

]
du(α)

dτ

+∂µ
{

(pgas + pmag)gµi
}

− u
i

ut
∂µ
{

(pgas + pmag)gµt
}

−∂µ
(
bµbi

)
+
ui

ut
∂µ
(
bµbt

)
, (C6)

where e(µ)
α is the orthonormal tetrad that transforms vectors in the laboratory frame (e.g., Boyer–Lindquist coor-

dinate) to the zero angular momentum observer frame (ZAMO frame, Bardeen et al. 1972), u(µ) = e(µ)
αu

α is the

four-velocity of the gas in the ZAMO frame, eµ(α) is the inverse matrix of e(µ)
α, and d/dτ = uµ∂µ is the derivative of

proper time, τ (Mihalas & Mihalas 1984). Now using equation (C5) and (C6), we get

w

[
ei(α) −

ui

ut
et(α)

]
du(α)

dτ

=−wuµ
[
∂µ

{
ei(α)

}
− ui

ut
∂µ

{
et(α)

}]
u(α)

−∂µ
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(pgas + pmag)gµi
}

+
ui

ut
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(pgas + pmag)gµt
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(
bibµ
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− ui

ut
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(
btbµ
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−
(
Tµi − ui

ut
Tµt
)
∂µ
√
−g√
−g

−
(

Γiαµ −
ui

ut
Γtαµ

)
Tαµ +Gi − ui

ut
Gt. (C7)

We calculate the equation of motion in the r-direction. In order to obtain a concrete expression, it is necessary to fix

the space-time. We consider the Boyer-Lindquist metric with a spin parameter of zero. In this case, all nondiagonal
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components of e(µ)
α are zero. Assuming steady (∂t = 0) and axisymmetric (∂φ = 0) flow, the following equation of

motion in the radial direction is obtained:

f (r)
grav + f

(r)
thermal + f

(r)
θ,cent + f

(r)
φ,cent + f

(r)
rad + f (r)

mag + f
(r)
adv = 0 (C8)

where f
(r)
grav, f

(r)
thermal, f

(r)
θ,cent, f

(r)
φ,cent, f

(r)
rad, f

(r)
mag, and f

(r)
adv describe the gravitational force, thermal force, centrifugal

force due to the poloidal motion, centrifugal force due to the toroidal motion, radiation force, Lorentz force, and

advection force, respectively. These force can be described as follows:

f (r)
grav =

MNS

r2
w
(
utut + urur

)
, (C9)

f
(r)
thermal =−

(
1− 2MNS

r

)
∂rpgas, (C10)

f
(r)
θ,cent =

(
1− 2MNS

r

)
w
uθuθ
r

, (C11)

f
(r)
φ,cent =

(
1− 2MNS

r

)
w
uφuφ
r

, (C12)

f
(r)
rad =Gr − ur

ut
Gt, (C13)

f (r)
mag =−

(
1− 2MNS

r

)
∂r

(
b2

2

)
+∂µ (bµbr)− ur

ut
∂µ
(
bµbt

)
+

(
2br

r
+

bθ

tan θ

)(
br − ur

ut
bt
)

−MNS

r

btbt + brbr
r

−
(

1− 2MNS

r

)
bθbθ + bφbφ

r

− 2MNS

r2

ur

ut
btbr, (C14)

f
(r)
adv =−wγ

(
1− 2MNS

r

)1/2 (
ur∂r + uθ∂θ

)
v(r) (C15)

where γ = u(t) is the Lorentz factor in the ZAMO frame (i.e. statistic observer frame), and v(r) = u(r)/r(t). The

equation of motion in the θ-direction can also be obtained by the same procedure.

f
(θ)
inertial + f

(θ)
thermal + f

(θ)
φ,cent + f

(θ)
rad + f (θ)

mag + f
(θ)
adv = 0, (C16)

where f
(θ)
inertial is the inertial force caused by the motion in the direction of θ. These force are written as follows:

f
(θ)
inertial =−wuruθ

(
1− 3MNS

r

)
, (C17)

f
(θ)
thermal =−1

r
∂θpgas, (C18)

f
(θ)
φ,cent =w

uφuφ
r tan θ

, (C19)

f
(θ)
rad = r

(
Gθ − uθ

ut
Gt
)
, (C20)

f (θ)
mag =−1

r
∂θ

(
b2

2

)
+ r∂µ

(
bµbθ

)
− ru

θ

ut
∂µ
(
bµbt

)
+ r

(
2br

r
+

bθ

tan θ

)(
bθ − uθ

ut
bt
)
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+ 2brbθ − bφbφ
r tan θ

− uθ

ut
2M

r
btbr, (C21)

f
(θ)
adv =−wγ

(
ur∂r + uθ∂θ

)
v(θ), (C22)

where v(θ) = u(θ)/u(t). The relativistic equations of motion derived by this method reduce to the Newtonian equations

of motion for O((w − ρ)/ρ)→ 0, O(v/c)→ 0, and O(M/r)→ 0.
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ABSTRACT

We report on the measurement of the thermal Sunyaev–Zel’dovich (tSZ) Effect in the circumgalactic

medium (CGM) of 641,923 galaxies with M?=109.8−11.3M� at z <0.5, pushing the exploration of tSZ

Effect to lower-mass galaxies compared to previous studies. We cross-correlate the galaxy catalog

of WISE and SuperCosmos with the Compton-y maps derived from the combined data of Atacama

Cosmology Telescope and Planck . We improve on the data analysis methods (correcting for cosmic

infrared background and Galactic dust, masking galaxy clusters and radio sources, stacking, aperture

photometry), as well as modeling (taking into account beam smearing, “two-halo” term, zero-point

offset). We have constrained the thermal pressure in the CGM of M?=1010.6−11.3M� galaxies for

a generalized NFW profile and provided upper limits for M?=109.8−10.6M� galaxies. The relation

between M500 (obtained from an empirical M?–M200 relation and a concentration factor) and Ỹsph
R500 (a

measure of the thermal energy within R500) is >2σ steeper than the self-similarity and the deviation

from the same that has been reported previously in higher mass halos. We calculate the baryon fraction

of the galaxies, fb, assuming the CGM to be at the virial temperature that is derived from M200. fb
exhibits a non-monotonic trend with mass, with M?=1010.9−11.2M� galaxies being baryon sufficient.

Keywords: Sunyaev-Zeldovich effect — Millimeter astronomy — Extragalactic astronomy — Observa-

tional Cosmology — Circumgalactic medium — Hot Intergalactic medium — Hot ionized

medium — Galaxy evolution — Galaxy environments — Galactic winds — Galaxy pro-

cesses — Cosmic microwave background radiation

1. INTRODUCTION

The circumgalactic medium (CGM) is the multiphase

halo of gas and dust surrounding the stellar disk and the

interstellar medium (ISM) of a galaxy (Putman et al.

2012; Tumlinson et al. 2017; Mathur 2022; Faucher-

Giguere & Oh 2023). As a nexus of the accretion from

the intergalactic medium (IGM), galactic outflow, and

recycling precipitation, the CGM plays a crucial role

in the formation and evolution of a galaxy and might

harbor the missing galactic baryons (Cen & Ostriker

1999). The most massive and volume-filling phase of the

Corresponding author: Sanskriti Das

snskriti@stanford.edu

CGM is predicted to be > 106 K hot and fully ionized

(e.g., Spitzer 1956; Schaye et al. 2015; Hopkins et al.

2018; Nelson et al. 2018; Li & Tonnesen 2020). This

hot gas can be observed in the emission and absorption

lines of highly ionized (He-like, H-like) metal ions and

free-free continuum emission in X-ray (Mathur 2022),

and the Sunyaev-Zel’dovich (SZ) effect (Sunyaev & Zel-

dovich 1969; Mroczkowski et al. 2019).

The SZ effect is a distortion in the spectrum of the

cosmic microwave background (CMB) due to the inverse

Compton scattering of the CMB photons with the free

electrons in the intervening ionized media (Sunyaev &

Zeldovich 1969). Thermal SZ (tSZ) effect, the strongest

of different SZ effects, is characterized by the Compton-
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y parameter: y = (σT/mec
2)
∫

Pedl
1. It is a measure of

the thermal pressure (Pe = nekBTe) or thermal energy

density of the free electrons of the relevant medium inte-

grated along the line-of-sight. If the physical properties

of the halo gas are driven by the gravitational potential,

the thermal energy of the halo gas (∝
∫

PedV ∝
∫
ydA)

would solely depend on the virial mass of the halo; re-

ferred to as self-similarity. However, simulations predict

that the self-similarity breaks in low-mass halos as the

role of galactic feedback becomes increasingly important

compared to the gravitation (e.g., Lim et al. 2021; Kim

et al. 2022; Pop et al. 2022).

The hot CGM of the Milky Way has been extensively

observed in X-ray emission (e.g., Snowden et al. 2000;

Henley et al. 2010; Das et al. 2019a; Kaaret et al. 2020;

Gupta et al. 2021; Bluem et al. 2022; Gupta et al. 2023;

Bhattacharyya et al. 2023) and X-ray absorption (e.g.,

Williams et al. 2005; Gupta et al. 2012; Nicastro et al.

2016; Gatuzz & Churazov 2018; Das et al. 2019c, 2021a;

Lara-DI et al. 2023). It is incredibly challenging to probe

the hot CGM of external galaxies in emission due to

the spatially and temporally variable foreground dom-

inating the total X-ray emission. So far, the extended

emission from the hot CGM has been detected around

a handful of individual massive (M? >1011.3M�) super-

L? galaxies (e.g., Anderson et al. 2016; Bogdán et al.

2017; Li et al. 2017) and one external L? galaxy (Das

et al. 2019b, 2020). There have also been stacking ef-

forts to detect the CGM in emission by cross-correlating

the eROSITA data with galaxy catalogs at z <0.1 (Cha-

dayammuri et al. 2022; Comparat et al. 2022).

However, X-ray emission is biased toward gas at

higher density and higher emissivity, and thus it is pri-

marily sensitive to the inner region of the CGM. X-ray

absorption is not affected by the bias mentioned above,

but it has sparse spatial sampling due to pencil beams.

Also, X-ray absorption entirely depends on metal ions

which makes the results dependent on assumed abun-

dance ratios of metals and metal-to-hydrogen ratio. In

addition to that, the lack of sufficient X-ray bright

QSO (quasi-stellar object) sightlines passing through

the CGM of external galaxies limits the scope to probe

the hot CGM of external galaxies in absorption (e.g.,

Mathur et al. 2021; Nicastro et al. 2023).

The SZ effect, on the other hand, does not suffer from

the observational biases of X-ray emission, or the re-

stricted spatial coverage and the metallicity dependence

of X-ray absorption. Also, the redshift independence of

1 σT,me and c are Thompson’s scattering cross section, rest mass
of the electron, and the speed of light in vacuum, respectively.

the SZ Effect allows one to study the CGM across cosmic

time. Therefore, the SZ effect is a powerful technique

to characterize the CGM and test self-similarity in the

halo of galaxies, complementary to X-ray observations.

Unlike spectroscopy, the tSZ effect cannot distin-

guish between the hot CGM and the partially ionized

cool/warm (104−6 K) CGM. However, the hot CGM has

a higher temperature (Te) and higher dispersion mea-

sure (DM =
∫
nedl) compared to the cooler phases of the

CGM (e.g., the hot CGM of the Milky Way contributes

to the DM of the Galactic halo ≈an order-of-magnitude

more than all other phases of the CGM combined; see

Das et al. 2021b). That makes the hot CGM the primary

contributor to the tSZ effect of any galaxy halo.

Using the Planck data, the detection of the tSZ ef-

fect has been reported in the CGM of massive (M? >

1011.3 M�) locally brightest galaxies (LBGs) and galaxy

groups at z . 0.1 (Planck Collaboration et al. 2013;

Greco et al. 2015; Lim et al. 2018) and the large-

scale structure of the universe up to z=1 (Chiang

et al. 2020, 2021). Recently, the combined maps

of Planck +Atacama Cosmology Telescope (ACT) and

Planck +South Pole Telescope (SPT) has been cross-

correlated with galaxy catalogs at 0.5 6 z 6 1.5, again

focusing on massive galaxies and galaxy groups (Schaan

et al. 2021; Meinke et al. 2021; Vavagiakis et al. 2021;

Pandey et al. 2022).

Building upon these works, we extend the search for

the tSZ effect in the CGM of lower-mass galaxies. In §2,

we discuss the data extraction and data analysis. The

results and their physical interpretation are mentioned

in §3. We conclude and summarize our results in §4.

We have used the flat ΛCDM (cold dark-matter) cos-

mology of Planck Collaboration et al. (2016): local ex-

pansion rate H0 = 67.7 km s−1Mpc−1, matter density

Ωm = 0.307, baryon density Ωb = 0.0486, and dark en-

ergy density ΩΛ = 1−Ωm = 0.693 throughout the paper.

The cosmological baryon fraction fb,cosmo = Ωb/Ωm is

0.158. Virial parameters are expressed in terms of over-

density ∆, e.g., M∆ = 4
3πR3

∆∆ρc(z) is the mass enclosed

within a sphere of radius R∆, where the mean mass

density is ∆ times the critical density of the universe,

ρc(z) = 3H(z)2/8πG. H(z) is the Hubble parameter at

redshift z, and G is the Newtonian constant of gravita-

tion. The redshift evolution of the Hubble parameter is

E(z)2 = H(z)2/H2
o = Ωm × (1 + z)3 + ΩΛ.

2. DATA EXTRACTION AND ANALYSES

2.1. Compton-y maps

We obtain the Compton-y maps constructed by using

the component separation method based on the internal

linear combination (ILC) approach from Madhavacheril
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Figure 1. Positions of the Compton-y maps (red patches)
in Mollweide projection of galactic coordinates. BN and D56

are in the northern and southern hemispheres, respectively.
The equatorial plane is shown with the dashed gray curve.

et al. (2020, hereafter M20). These maps have been ex-

tracted from the multi-frequency data of ACTPol DR4

(98 and 150 GHz), and of Planck (30, 44, 70, 100, 143,

217, 353, and 545 GHz). These maps are derived in

two distinct, non-overlapping patches of the sky: BN

(−117◦ < RA < 150◦, −2◦ < DEC < 19◦; area = 1633

deg2) and D56 (−9◦ < RA < 40◦, −7◦ < DEC < 4◦;

area = 456 deg2), shown in Figure 1. At small scales

(multipole l > 1000) these y-maps are dominated by the

ACT data. These maps cover only 5% of the sky, but

the signal-to-noise ratio (S/N) on small scales is orders

of magnitude higher than previous Planck based y-maps.

Also, the smaller beam size of ACT (full-width at half

maxima, FWHM ≈ 1′) compared to Planck (FWHM

≈ 10′) allows us to resolve the galaxy halos at a smaller

angular size than before.

To understand the effect of thermal dust on the

Compton-y measurements, we have used two types of

y-maps from M20 in our analyses - the maps before and

after the deprojection of the cosmic infrared background

(CIB). The spectral energy distribution (SED) of CIB

is modeled as a modified blackbody with TCIB= 24 K,

consistent with the all-sky average of the SED fit to the

CIB power spectra measurements from Planck . The

FWHM of the Gaussian beams relevant for the y-maps

before and after CIB deprojection are 1.′6 and 2.′4, re-

spectively.

2.1.1. Galactic dust

We test if the y-maps are affected by the Galactic

dust. Because the characteristic angular scale of the

CIB and the Galactic dust is not necessarily the same,

the y-maps after the CIB correction might have residual

contamination by the Galactic dust emission. There-

fore, we consider the y-maps both before and after the

CIB correction. N(H i)Gal, the neutral hydrogen column

density of the Galaxy linearly correlates with E(B-V),

the reddening due to Galactic dust (Lenz et al. 2017).
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Figure 2. Compton-y values before (top) and after (bot-
tom) the CIB correction as a function of Galactic N(H i) in
the sky regions of D56 (left) and BN (right). The colorbars
denote the number of pixels in the y-maps at the correspond-
ing values of Compton-y and N(H i)Gal in the 2-D histograms.
The mean Compton-y as a function of the mean N(H i)Gal

are calculated at a constant bin width of 1019cm−2; these
are shown with the red points and the red curves. The ver-
tical dotted lines are drawn at N(H i)cut that we have im-
plemented in our analyses. The horizontal dotted lines are
drawn at y=0 to guide the eye.

Therefore, we use N(H i)Gal as a substitute for Galac-

tic dust in our analyses. We obtain N(H i)Gal from the

HI4PI survey (HI4PI Collaboration et al. 2016) and con-

struct N(H i)Gal maps for the sky regions BN and D56.

In the scenario of negligible contamination by Galac-

tic dust, Compton-y values would be uncorrelated with

N(H i)Gal. We find that the pixel-wise Compton-y values

are unlikely correlated with N(H i)Gal (Spearman corre-

lation coefficients |CSp| < 0.1; 2-D histograms in Fig. 2).

However, the mean Compton-y shows a strong negative

correlation with the mean N(H i)Gal (|CSp| > 0.9) in

both patches of the sky, both before and after the CIB

correction (Fig. 2, red lines). The correlation becomes

stronger at high N(H i)Gal. The unphysical negative val-

ues of mean Compton-y at high N(H i)Gal and the per-

sisting correlation even after the CIB correction imply

that the contribution of Galactic dust has not been com-

pletely accounted for in the process of CIB correction.

To minimize the effect of Galactic dust in further anal-

yses, we exclude the pixels in the y-maps correspond-

ing to N(H i)Gal above a certain N(H i)cut based on the

following conditions. The remaining mean y-values are

in the order of 10−7 within error, and the correlation

between the mean Compton-y and the mean N(H i)Gal

becomes weaker, while we can retain most (> 95%)
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Figure 3. The redshift distribution of stellar masses of our
galaxy sample. The horizontal and vertical dashed lines de-
note the median of the stellar mass and the redshift, respec-
tively. The range of the stellar mass considered in this paper,
9.8 6 log(M?/M�) 6 11.3 M�, is highlighted with the hori-
zontal gray band.

of the data. We use N(H i)cut of 4.7 × 1020cm−2 and

4.2 × 1020cm−2 for the sky regions BN and D56, respec-

tively.

2.2. Galaxy sample

In order to cross-correlate with the Compton-y maps,

we consider the WISE×SCOSPZ galaxy catalog that

is constructed by cross-matching the all-sky samples of

WISE and SuperCOSmos, and the photometric redshift

(PZ) is estimated using artificial neural network algo-

rithm (Bilicki et al. 2016). We extract the sky loca-

tion, photometric redshift zph, Galactic dust extinction-

corrected WISE 3.4µm (W1) and 4.6µm (W2) magni-

tude of the galaxies in the BN and D56 regions from

the galaxy catalog. The catalog excludes targets with

W1 −W2 >0.9, thus making sure that the galaxies in

the catalog are unlikely to host active nuclei.

We calculate the stellar masses from the W1 and W2

magnitude using the scaling relation from Cluver et al.

(2014). The redshift distribution of the stellar masses

is shown in Figure 3. Because the detection of the tSZ

effect has been previously reported in the CGM of M? >

1011.3 M� galaxies, we focus on galaxies of lower stellar

mass: 9.8 6 log(M?/M�) 6 11.3. The median redshift

and the median stellar mass of our sample are 0.2 and

1010.48M�, respectively.

The sky regions BN and D56 are unlikely to be con-

taminated by the stars in the Galactic disk due to their

high galactic latitude (|b| > 30◦; see Fig. 1). To test

if it is otherwise, we calculate the surface density, i.e.,

the number of galaxies per unit area of the sky as a
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Figure 4. The surface density distribution of the 9.8 6
log(M?/M�) 6 11.3 M� galaxies as a function of the galactic
latitude and the redshift of the galaxies.

function of the galactic latitude and the redshift of the

galaxies (Fig. 4). If the galaxy sample is dominantly con-

taminated by stars, the surface density would be anti-

correlated with the galactic latitude. But the surface

density is practically uniform, with < 10% fluctuation

(Fig. 4). At a given galactic latitude the surface den-

sity follows the redshift distribution shown in Figure 3,

but it is not correlated with the galactic latitude at a

given redshift. It confirms that our galaxy sample is not

contaminated by the stars in the Galactic disk.

We estimate the virial (or halo) masses of the galaxies,

Mvir (≡ M200) from the stellar masses using the stellar-

to-halo mass relation (SHMR) from Zu & Mandelbaum

(2015, hereafter Z15). The behavior of the empirical

model of Z15 is governed by the results of Behroozi

et al. (2010), but Z15 has refitted the parameters to the

z = 0 data of SDSS DR7, and has allowed the scatter

around the best-fit to vary with halo mass. We calculate

the virial radii, Rvir (≡ R200) using the Navarro-Frank-

White (NFW) profile of the dark-matter (Navarro et al.

1997) . We also determine the corresponding angular

size, θvir (≡ θ200 = R200/DA), where DA is the angu-

lar diameter distance. Using the concentration factor,

c200 as a function of the virial mass (Neto et al. 2007),

we convert M200 to M500 and obtain the corresponding

R500 as well.

2.3. Masking

The tSZ effect of the intracluster medium (ICM) and

the emission from compact radio sources can contami-

nate/bias our Compton-y measurements. Therefore, we

mask the y-maps at the positions of galaxy clusters and

radio sources. We discuss the removal process in the

following sections.

2.3.1. Galaxy clusters

We extract the position, redshift, and virial mass,

M200,cl of the galaxy clusters from the tSZ cluster cata-

log (Hilton et al. 2021). These clusters have been indi-

vidually detected at > 4σ in the 98 and 150 GHz chan-
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nels of ACT, and have been optically confirmed. We

calculate the virial radii, R200,cl, using the NFW pro-

file of dark matter. We determine the angular size,

θ200,cl of the cluster halos from their R200,cl and red-

shift. We exclude (≡ NAN) the θ200,cl regions around

the clusters in the y-maps. The cluster catalog does

not include the nearby Virgo cluster and the Abell 119

cluster that are prominently visible in the y-maps. We

obtain the R200,cl and the redshift of these clusters from

Kashibadze et al. (2020) and Piffaretti et al. (2011), re-

spectively, and remove the corresponding θ200,cl regions

around them. The galaxies in our sample that are resid-

ing within these clusters are naturally removed in this

process. Because the field galaxies and galaxies within

clusters evolve in different environments, their tSZ effect

might be different from each other. The exclusion of the

galaxies within clusters will make the interpretation of

our results more straightforward.

2.3.2. Radio sources

For the sky regions D56 and BN, the 1σ noise level

at 98 GHz is 1.4 mJy and 2.1 mJy and at 150 GHz it is

0.9 mJy and 1.8 mJy, respectively. The y-maps were con-

structed after subtracting the unresolved sources that

are individually detected at > 5σ (M20). To account

for the remaining fainter sources, we obtain the posi-

tion, flux, and angular size of the radio sources from the

latest catalog of the FIRST (Faint Images of the Radio

Sky at Twenty-cm; White et al. 1997) survey. We choose

the sources that are unlikely to be spurious (PS <0.05;

PS ≡ the probability of falling in the sidelobe of a nearby

brighter radio source). To make sure that each position

in the sky is probed down to equal sensitivity, we con-

sider the sources above a constant peak flux of 1.1 mJy

and an integrated flux of 0.7 mJy at ≈1.4 GHz.

Our goal is to remove the radio sources from the y-

maps down to the 1σ noise level at 98 and 150 GHz. We

translate the corresponding flux at these frequencies to

the flux at ≈1.4 GHz, F1.4, using the median SED of

Fν ∝ ν−0.75 for radio-loud quasars (Shang et al. 2011)2.

We exclude (≡ NAN) the regions in the y-maps affected

by the radio sources brighter than F1.4, i.e., the angular

size of the sources convolved with the Gaussian beams

relevant for the y-maps (see §2.1).

We cross-match the WISE×SCOSPZ catalog with the

FIRST catalog, and find that ≈0.4% of WISE×SCOSPZ

2 A fraction of the radio sources are stellar or unclassified and
may have a different SED than the radio galaxies. Our goal is
to exclude the brightest sources, and galaxies are brighter than
other sources, validating our assumption of the SED.

galaxies of our interest are radio-loud; we exclude them

from our galaxy sample.

2.4. Stacking

We split the galaxy sample into stellar mass bins of

different widths, ∆M? = 0.2 dex, 0.3 dex, and 0.4 dex,

and stack the Compton-y map in each mass bin sep-

arately. With wide mass bins, we can constrain the

value of Compton-y at higher significance. On the other

hand, we get better insight into the mass dependence of

Compton-y from the narrow mass bins. We provide the

stellar mass, mean redshift, the total number of galax-

ies, mean virial mass, and virial radius in each mass bin

in Table 1. We perform the same procedure for both

patches of the sky and then combine them.

We stack the y-maps in three ways, at I) fixed angular

size, II) fixed projected radius, and III) fixed fraction of

virial radius; these are discussed in detail below.

I) Fixed angular size: Following most of the previous

studies, we stack the stamps3 of a fixed angular size:

ystacked = 〈y(θi)〉; θi = θ⊥ = ri/DA,i (1)

Here, ri and DA,i are the projected radius and the angu-

lar diameter distance of the i-th galaxy in the subsam-

ple, respectively. 〈y〉 is the average Compton-y value of

all galaxies in that subsample at a fixed galactocentric

angular distance perpendicular to the line-of-sight, θ⊥.

We extract each stamp out to the median 6×θ200 of the

relevant subsample so that we can study y out to a suf-

ficiently large angular separation beyond the CGM, and

estimate the tSZ background from the same stamp.

For galaxies at different redshift, this method stacks

different projected radii for different galaxies, which is

also a different fraction of R200 for galaxies of similar

halo masses. Thus, it is not straightforward to extract

any physically meaningful information for the galaxies

from the stacking at a given angular size. For this rea-

son, we introduce the other two stacking procedures.

II) Fixed projected radius: Here, the galaxy halos are

stacked at the same projected radius:

ystacked = 〈y(θi)〉; θi = r⊥/DA,i (2)

Here 〈y〉 is the average Compton-y value of all galax-

ies in the subsample at a fixed galactocentric physical

distance perpendicular to the line-of-sight, r⊥. This

method works under the assumption that the radial

3 We call the cutout of y-map around a galaxy as “stamp”. It is
extracted using the thumbnail subroutine of the reprojection

module of pixell (Naess et al. 2021). Each “stamp” is projected
onto a local tangent plane in order to remove the effect of size
and shape distortions in the input y-map.
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pressure profiles of the CGM, P(r) have the same shape

in all galaxies in a subsample.

We extract each stamp out to the median 6×R200 in

the relevant mass bin. Because the corresponding an-

gular size of the stamp is not the same for each galaxy,

the stamps have different numbers of pixels, npixel, on

each side, which cannot be directly stacked. Therefore,

we reconstruct each stamp using 2-D piece-wise linear

interpolation so that all stamps have the same npixel.

Thus, the stamps are under or over-sampled when the

initial npixel is larger or smaller than the final npixel, re-

spectively. The final npixel is set to be the median of the

initial npixel distribution of all stamps, corresponding to

the angular size at the median DA of a subsample. Thus,

half of the stamps are under-sampled and the other half

is over-sampled, minimizing the effect of the stamp re-

construction. The distance of a given pixel from the

central pixel in a reconstructed stamp is equivalent to

the projected physical distance between the correspond-

ing sky point and the center of the relevant galaxy.

III) Fixed fraction of virial radius: Here, we stack the

galaxy halos at the same fraction of R200 of each galaxy:

ystacked = 〈y(θi)〉; θi = ri/DA,i; ri = f200 × R200,i (3)

Here 〈y〉 is the average Compton-y value at galacto-

centric physical distances perpendicular to the line-of-

sight, ri, which are a given fraction, f200, of R200,i, the

virial radius of the i-th galaxy in the relevant mass bin.

This method works under the assumption that the ra-

dial pressure profiles of the CGM are self-similar, i.e.,

the pressure at a given fraction of R200, P(f200) has the

same shape in all galaxies that are being stacked.

We extract the stamp out to 6×R200 of each galaxy.

Because the corresponding angular size, 6×θ200 is dif-

ferent for each galaxy, we follow the same steps of re-

constructing y-maps as the previous method of stacking.

The final npixel, same as the median of the initial npixel

distribution, corresponds to the median 6×θ200 of a sub-

sample. The distance of a given pixel from the central

pixel in a reconstructed stamp is equivalent to the pro-

jected distance of the corresponding sky point from the

relevant galaxy center in the unit of R200.

For galaxies at similar redshift, the first and the sec-

ond stacking method would produce the same result.

For galaxy samples with similar R200, the second and

the third stacking methods would be equivalent. For

galaxies at similar redshift and with similar R200, the

third stacking method would converge to the first one.

2.5. Aperture photometry

We have extracted the radial profile of Compton-y

from the stacked y-maps in two different ways: cumu-

lative (the conventional method), and differential. As

such, these provide us with complementary information.

The differential profile is a direct way to detect the

signal at any projected distance. In the absence of the

signal, the differential profile would be consistent with

zero. We define the differential profile in equation 4a

y(θdf) = ȳstacked(θdf −∆θ 6 θ⊥ < θdf + ∆θ) (4a)

Here, θdf and 2∆θ are the angular size and width of the

circular annulus, respectively. 2∆θ is the FWHM of the

Gaussian beam so that each annulus is just resolved. ȳ

is the average y within the annulus. For the stacking

method II,

θdf = r⊥,df/DA,med; ∆θ = ∆r/DA,med (4b)

Here, r⊥,df and 2∆r are the physical radius and width of

the circular annulus, and DA,med is the median angular

diameter distance of the galaxy subsample. For the third

stacking method,

θdf = fdf × θ200,med; ∆θ = ∆f × θ200,med (4c)

Here, fdf and 2∆f are the physical radius and width of

the annulus in the unit of R200, and θ200,med is the me-

dian angular size of the galaxy halos in the subsample.

The cumulative profile is an indirect way to detect

the signal, especially when the data is not deep enough

to directly detect the signal. We define the cumulative

profile in equation 5a

y(θcm) = ȳstacked(θ⊥ 6 θcm)

Y(θcm) =

∫ θcm

0

ydΩ = y(θcm)× πθ2
cm

(5a)

Here θcm is the angular radius of the circular aperture,

and ȳ is the average y within the aperture. For the

stacking methods II and III,

θcm = r⊥,cm/DA,med (5b)

and

θcm = fcm × θ200,med (5c)

Here r⊥,cm is the physical radius of the aperture, and

fcm is the radius of the aperture in the unit of R200.

The minimum value of θcm and (θdf + ∆θ) by defini-

tion is half of the FWHM of the relevant Gaussian beam

because any region smaller than this is not resolvable.

For each mass bin it is mentioned in Table 1 in the unit

of virial radius. Maximum θcm and (θdf + ∆θ) depends

on the stamp size, which, as described in §2.4, are me-

dian 6
√

2×θ200, median 6
√

2×R200/DA,med, and median
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6
√

2× θ200 of the relevant galaxies in stacking methods

I, II and III, respectively.

Equation 5a is different from the cumulative estimate

that was used in previous studies of the tSZ effect (e.g.,

Schaan et al. 2021). For an aperture of angular size θ,

they extract the background from the region between θ

and
√

2θ and subtract it from the signal. In our case, the

shape of the cumulative profile is more informative than

the absolute values. In the presence of any signal, the cu-

mulative profile should monotonically increase with ra-

dius, and the rate of increase would indicate the strength

of the signal in the outer part of the aperture. The pro-

file would saturate when there is no signal.

2.6. Error estimation

We estimate the combined statistical and system-

atic uncertainties in the Compton-y using the bootstrap

method. For a sample of N galaxies, we create a replica

of the sample by replacing one galaxy with a randomly

chosen galaxy from the rest (N-1) galaxies in that sam-

ple. For every stacked sample, we make a set of 1000

such replicas and obtain the mean, covariance matrix,

68.27%, and 99.73% confidence intervals of the distribu-

tion of those replicas.

2.7. tSZ background

For the following calculation, we consider the ra-

dial profiles of Compton-y, ytot, derived from the CIB

and Galactic dust-corrected, galaxy clusters and radio

sources-masked stacked y-maps. ytot has two compo-

nents, the “one-halo” radial profile of Compton-y, y1h,

and the tSZ background. This background consists of

the “two-halo” term, y2h and any zero-point offset, yzp.

The “two-halo” term is the correlated tSZ signal of other

halos around the galaxy of interest. The yzp comprises

the global Compton-y signal arising from reionization,

the intergalactic medium, the CGM of the Milky Way,

and calibration uncertainties. We consider the “two-

halo” term calculated for an FWHM = 1.′4 beam from

Vikram et al. (2017), and add it to y1h in each radial

bin with a variable amplitude, A2h (equation 6).

ytot(r⊥) = y1h(r⊥) + A2hy2h(r⊥) + yzp (6)

2.8. Modeling pressure and tSZ

In the observed tSZ effect, the thermal pressure of the

free electrons in the CGM, Pe(r) is convolved with the

effective beam of the y-maps that we use in the stacking.

y1h(r⊥) = (σT/mec
2)

∫ ∞
−∞

Pe(r)dl ~Beam(r⊥)

where r2 = r2
⊥ + l2,

Beam(θ) =
1√
2πσ

exp(−θ2/2σ2),

and, σ = FWHM/2
√

2ln(2)

(7)

Here, r⊥ and l are physical distances perpendicular to

and along the line-of-sight, respectively.

We model Pe(r) with a generalized NFW (GNFW)

profile (equation 8) that was first defined by Nagai et al.

(2007) to describe the intracluster medium.

Pe(x) = P500

( M500

3× 1014h−1
70 M�

)αp+α′
p(x)

P(x)

where x = r/R500,

P500 = 500ρc(z)fb,cosmo

( µ
µe

)(GM500

2R500

)
,

h70 = Ho/70 km s−1 Mpc−1,

and P(x) = Po(c500x)−γ(1 + (c500x)α)−(β−γ)/α

(8)

Here, µ is the mean molecular weight, and µe is the mean

molecular weight per free electron. αp corresponds to a

modification of the standard self-similarity and α′p(x)

introduces a break in the self-similarity. c500 is the con-

centration factor, α, β and γ are the slopes of the pres-

sure profile at x ≈ rs, x� rs, and x� rs, respectively,

where, rs = R500/c500.

For local (z < 0.2) massive (M500 > 1014M�) galaxy

clusters, Arnaud et al. (2010; hereafter A10) consid-

ered a hybrid average profile of pressure, combining the

profiles from X-ray observations within 0.03–1 R500 and

simulations in the 1–4 R500 region. For their best-fit es-

timate of c500, rs of our sample galaxies are smaller than

the angular resolution of the y-maps that we consider in

our analysis. Therefore, by construction, we cannot con-

strain the slopes of the pressure profile independently.

Thus, we freeze c500, α, β, γ and αp at their empirically

derived best-fitted values in A10: 1.177, 1.0510, 5.4905,

0.3081, and 0.12, respectively, and neglect the weak ra-

dial dependence α′p(x) as it has a second order effect

(also adopted in Greco et al. 2015, for tSZ profile of

M? > 1011.3M� galaxies). We freeze µ at 0.59 and µe
at 1.14, the values adopted by Nagai et al. (2007). We

set the initial Po as 8.403h−1.5
70 (best-fitted value in A10)

and allow it to vary.

We use Markov Chain Monte Carlo (MCMC) calcula-

tions (Metropolis et al. 1953; Hastings 1970) to estimate

the posterior probability distribution functions of Po,

A2h and yzp, using the Affine-Invariant Ensemble Sam-

pler algorithm implemented in emcee (Foreman-Mackey
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et al. 2013). We assume uniform priors on 0 6 Po 6 200

and 0 6 A2h 6 10 and do not put any constraint on

yzp. We assume the likelihood to be Gaussian. We run

multiple emcee ensembles and keep on adding indepen-

dent sets of chains until I) the number of chains is larger

than 50 times the integrated auto-correlation time, τ , of

each parameter, and II) the Gelman-Rubin convergence

parameter reaches values within 0.9–1.1 (Gelman & Ru-

bin 1992). We remove the first 2×τmax steps from the

sampler to get rid of the burn-in phase. We consider

the most likely values of the free parameters (i.e., values

corresponding to the minimum χ2) and the covariance

matrices of their posterior probability distributions for

the following calculations.

2.9. Thermal energy

From the best-fit pressure profiles in §2.8 we calculate

Ysph
R500, i.e., the thermal pressure of the free electrons4

integrated within a spherical volume of radius R500. Fol-

lowing conventions, it is multiplied by σT/mec
2 and di-

vided by DA(z)2 in order to express it in the unit of solid

angle subtended by the spherical volume of considera-

tion in the sky.

Ysph
R500 = (σT/mec

2)

∫ R500

0

Pe(r) 4πr2dr/DA(z)2 (9a)

and, Ỹsph
R500 = Ysph

R500E(z)−2/3(DA(z)/500 Mpc)2, (9b)

Ỹsph
R500 takes into account different redshift of galaxies

and scale Ysph
R500 to z = 0 through E(z), and normalize

Ysph
R500 to a fixed angular diameter distance of 500 Mpc.

2.10. Baryonic mass and baryon fraction

We assume that the hot CGM, i.e., the ionized gas

within R200 of the stacked galaxies in each mass bin, is

at the virial temperature, Tvir (≡ T200). We estimate

T200 from the virial mass and the virial radius (equation

10b). We estimate the density profiles from the best-

fitted pressure profiles in §2.8 and calculate the mass of

the hot circumgalactic gas using equation 10a.

Mgas,200 =

∫ R200

0

µempne(r)4πr
2dr

where, ne(r) = Pe(r)k−1
B T−1

200

(10a)

4 For a fully ionized monoatomic ideal gas, the thermal energy

density is
(

3µe
2µ

)
Pe ∼ 2.9Pe. The self-similarity (or the lack

thereof) of Ysph
R500 is not affected by the proportionality factor.

Because the goal of this paper is to study Ysph
R500 as a function of

mass, we do not explicitly discuss the thermal energy further.

and,T200 =
µmpGM200

2kBR200
(10b)

Here, mp, ne, and kB are the rest mass of the proton, the

number density of electrons, and Boltzmann’s constant,

respectively. Finally, we calculate the baryon fraction,

fb = (M? + Mgas,200)/M200.

2.11. Null test

For the null test, we create a mock catalog of galaxies

in each patch of the sky, i.e., BN and D56. We construct

a 2-D random distribution spanning the range of RA

and DEC of our sample and replace the true location

(RA, DEC) of the galaxies with values drawn from that

distribution. Then, we repeat the stacking, aperture

photometry, and error estimation of Compton-y for this

mock catalog of galaxies.

3. RESULTS AND DISCUSSION

In the following sections, we discuss the results de-

rived from CIB and Galactic dust-corrected, galaxy clus-

ters and radio sources-masked y-maps stacked using the

third stacking method. We have discussed the individ-

ual effect of CIB, Galactic dust, galaxy clusters, and

radio sources on stacking and compared three stacking

methods in Appendix A.

3.1. Best-fit model

In Figure 5, we show the results of stacking (top

left panel) and pressure modeling for the M? =

1011.0−11.3M� mass bin. A2h is greater than 1, and

yzp is consistent with zero within 1σ uncertainty (top

right panel), implying a significant contribution of the

“two-halo” term and negligible contribution of the zero-

point offset. A2h and yzp are anti-correlated as expected

for a given tSZ background. In the bottom left panel,

we show the differential radial profile of Compton-y ex-

tracted from the stacked y-map (black circles with er-

ror bars) and the profile calculated from the best-fitted

pressure model (red curve). The “one-halo” term (blue

dash-dotted curve) contributes at a small radius, while

the tSZ background (dashed green curve) dominates at

a large radius. The excess in the data compared to

the tSZ background in the innermost radial bin indi-

cates the detection of the tSZ effect in the CGM of

M? = 1011.0−11.3M� galaxies. We show the results for

other mass bins in Appendix B.

3.2. Dependence on stellar mass

In Figure 6 (left panel) we show the best-fit thermal

pressure of electrons integrated within a spherical vol-

ume as a function of the stellar mass of galaxies. Qual-
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Figure 5. Results for the log(M?/M�) = 11.0 − 11.3 mass bin. Top left: CIB and Galactic dust-corrected, galaxy clusters
and radio sources-masked Compton-y map stacked using method III (fixed f200). The center of stacked galaxies (i.e., the central
pixel) is marked with a plus (‘+’) sign. The Gaussian beam (FWHM of 2.′4) is shown with a circle at the center of each map.
The colorbar is shown below the map. Top right: Posterior probability distributions of the amplitude of the thermal pressure
profile: Po, the amplitude of y2h: A2h, and zero-point offset: yzp, obtained by fitting the GNFW pressure model to our tSZ
measurements. The vertical dashed lines and the shaded regions in the diagonal plots correspond to the most likely value and
68% confidence interval of the marginalized distribution of the free parameters; the values are mentioned in the respective titles.
The most likely values are marked with ‘+’ in the contour plots. The contours correspond to 68% and 95% confidence intervals.
Bottom left: Differential radial profile of Compton-y. The black circles with error bars are extracted from the map shown
above (see §2.5). The dash-dot-dotted vertical line denotes the FWHM of the beam (2.′4). By construction, the width of each
annulus is the same as the beam size, shown with the error bars along the x-axis. The error bars along the y-axis denote 68%
confidence intervals. The dotted vertical line is drawn at R500. The dash-dotted blue curve and the dashed green curve are the
best-fit “one-halo” term, y1h and tSZ background (A2hy2h+yzp), respectively, with the hatched area around them corresponding
to the 1σ uncertainty. The solid red curve and the shaded area around it are the best-fit model with 1σ uncertainties. Bottom
right: Cumulative radial profile of Compton-y, i.e.

∫
ydΩ, normalized at an angular diameter distance of 500 Mpc. The black

circles with error bars are extracted from the map shown above (see §2.5). Error bars correspond to 68% confidence intervals.
The solid red curve and the shaded areas around it are calculated from the model and its 1σ uncertainties, best fitted to the
differential radial profile of Compton-y shown on the left.
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itatively, the thermal energy increases with stellar mass

and flattens at M? > 1011M�.

We compare our measurements with the predictions

from cosmological zoom-in simulations EAGLE (4262

galaxies) and IllustrisTNG (5768 galaxies; Kim et al.

2022, hereafter K22). While EAGLE and IllustrisTNG

have different feedback prescriptions, their predicted

median Ỹsph
R500 are consistent with each other. Our mea-

surements for M? < 1011M� including the upper limits

are consistent with the median of the simulations. Our

measurements for M? > 1011M� are smaller than the

median, but are ≈consistent within the scatter (‘×’ and

‘+’ symbols).

The simulations in K22 were tuned to reproduce the

results of Planck Collaboration et al. (2013) within

5 × R500 of M? > 1011.3M� locally brightest galaxies

(LBGs; galaxies without any brighter neighbor within

1 Mpc). LBGs have a different luminosity function than

the whole population of galaxies. But we do not have

any such preference. Therefore, the discrepancy between

K22 and our results at M? = 1011.0−11.3M� could be due

to sample selection. It should be noted that the galaxies

in K22 were at z = 0, whereas our M? > 1011M� galaxy

sample is at z ≈ 0.28 (Table 1). Also, the star-forming

galaxies have larger Ỹsph
R500 than quiescent galaxies in

K22. Therefore, the discrepancy could be due to any

redshift evolution, and/or our galaxy sample being dom-

inated by quiescent galaxies. We will test these possi-

bilities in future work.

3.3. Self-similarity

In the right panel of Figure 6 we show the volume in-

tegrated thermal pressure of electrons as a function of

the virial mass (M500) of galaxies. A10 introduced a

modification to the self-similarity to fit the X-ray ob-

servations of M500 > 1014M� halos: Ỹsph
R500 ∝ M

5/3+αp

500

with αp = 0.12 (see §2.8). We extrapolate this relation

to lower mass and compare it (dotted blue line) with our

results (black circles).

With the expectation that M500 and Ỹsph
R500 follows

a power-law relation: Ỹsph
R500 = Ynorm ×MΓ

500, we fit a

straight line to ln(M500) and ln(Ỹsph
R500) using the python

package linmix based on the hierarchical Bayesian model

of Kelly (2007). M500 and Ỹsph
R500 are assumed to be

drawn from a 2-d log-normal distribution N2(µ,Σ) with

the mean µ = (ξ, η) which are the unobserved true val-

ues of ln(M500) and ln(Ỹsph
R500), and the covariance ma-

trix Σ containing the measured errors of ln(M500) and

ln(Ỹsph
R500). ξ and η are connected through P(η|ξ) =

N (α + βξ, σ2), where the regression parameters α, β,

and σ2 are the intercept, slope, and Gaussian intrinsic

scatter of η around the regression line, respectively. The

priors on α, β, and σ2 are uniform.

The best-fit value of β, i.e., the true value of Γ is

3.27+0.91
−0.69 ≡ 5/3 + 1.60+0.91

−0.69 (68% confidence interval;

solid red line in Figure 6, right panel). It implies that

our sample galaxies deviate from the self-similar relation

by ≈ 2.3σ. The deviation from self-similarity is stronger

than the αp of A10, i.e., 1.60+0.91
−0.69 > 0.12. The largest

possible value of the second-order effect, α′p(r/R500) that

we have ignored in our analysis (see §2.8), was 0.10 in

A10. The equivalent α′p in our case is 1.48+0.91
−0.69. There-

fore, our samples not only deviate from self-similarity,

but it also deviates more than their massive counterparts

in A10. Our finding of steeper Ỹsph
R500 −M500 relation is

consistent with the best-fit model for &25,000 simulated

halos in the mass range of 1012M� < M500 < 5×1013M�
in IllustrisTNG (Pop et al. 2022).

It should be noted that Ỹsph
R500 is practically constant

at M500 > 1012.2M� (see the values of Ỹsph
R500 in the last

two rows of ∆M? = 0.3 dex and 0.2 dex in Table 1). To

test if this flattening affects the best-fitted Ỹsph
R500−M500

relation, we fit the M500 6 1012.2M� halos, and obtain

Γ = 5.49+4.57
−1.95 (dashed green line in Figure 6, bottom

panel), which is larger than the slope for self-similarity,

A10, and the slope we obtained for all our galaxies:

3.27+0.91
−0.69. That means the overall Ỹsph

R500 − M500 rela-

tion of our sample might follow a broken power-law with

Mbreak ≈ 1012.2M�, where the relation is weaker than

the self-similarity above Mbreak but is stronger than the

self-similarity below Mbreak. It has not been predicted

or observed before.

Our result of the global fit and the fit for M500 6
1012.2M� galaxies are qualitatively similar: a deficit of

the tSZ effect at a given stellar (and halo) mass com-

pared to the self-similarity. It indicates two possibilities

regarding the galactic outflows - 1) too strong feedback:

the galactic outflow spewed the ionized gas in the CGM

outside R500, or 2) too weak feedback: the feedback was

not strong enough to prevent cooling and eventual pre-

cipitation of the halo gas to the galactic disk. Distin-

guishing between these options and identifying the ac-

tual physical scenario is beyond the scope of our paper.

It would be part of our future endeavors.

The interpretation of our result for M500 > Mbreak

galaxies depends on which side of the mass is consid-

ered the point of reference. If we consider Mbreak as

the reference, the flattening of Ỹsph
R500 implies a deficit

of Ỹsph
R500 in the CGM of the most massive galaxies in

our sample compared to the self-similar relation (and

A10). In that case, the interpretation would be simi-

lar to that discussed in the previous paragraph. If we

consider the most massive galaxies in our sample as a

https://github.com/jmeyers314/linmix


tSZ effect in the CGM 11

9.8 10.0 10.2 10.4 10.6 10.8 11.0 11.2
log10(M*/M )

10
9

10
8

10
7

10
6

Ysp
h

R5
00

 [a
rc

m
in

2 ]

EAGLE
IllustrisTNG
This work

11.5 11.6 11.8 12.0 12.3
log10(M500/M )

11.6 11.8 12.0 12.2 12.4
log10(M500/M )

10
9

10
8

10
7

10
6

Ysp
h

R5
00

[a
rc

m
in

2 ]

= 5/3 + 0.12 (A10)
Best-fit: all galaxies
Best-fit:M500 < Mbreak
Mbreak
This work

9.95 10.25 10.55 10.85 11.15
log10(M*/M )

Figure 6. Ỹsph
R500, a measure of the thermal energy within R500, as a function of the stellar mass, M? (left) and halo mass, M500

(right). The upper x-axes have been labeled with corresponding M500 (left) and M? (right). The error bars in the y-axes are
1σ uncertainties. Our measurements of Ỹsph

R500 constrained at more/less than 90% confidence are plotted in filled/unfilled black
circles. Left: The error bars in the x-axes correspond to the range of M? in the mass bin of consideration. We have plotted
a subset of the results (Table 1) to help visualize the pattern. The orange ‘×’ and blue ‘+’ symbols are Ỹsph

R500 predicted from
cosmological zoom-in simulations EAGLE and IllustrisTNG, respectively (Kim et al. 2022), with solid orange and dashed blue
curves showing the median. Right: The error bars in the x-axes correspond to the 1σ scatter in M500. The dotted blue line is

the best-fit result of Ỹsph
R500 ∝ M

5/3+αp

500 for M500 > 1014M� halos (Arnaud et al. 2010, see §2.8), extrapolated to lower mass. The
solid red and the dashed green curves are the best-fit results for all galaxies and M500 6 Mbreak galaxies, respectively. Mbreak

is marked with the vertical dash-dotted yellow line. The dark and light shaded areas denote intrinsic and total scatter in the
regression, respectively. See §3.2 and §3.3 for details.

reference, the flattening of Ỹsph
R500 implies an excess of

Ỹsph
R500 in the CGM of galaxies above Mbreak. It indi-

cates a non-negligible contribution of galactic feedback

within R500 that keeps the CGM ionized but does not

throw the gas outside the halo. However, there are only

four data points at M500 > Mbreak, and they span only

0.2 dex of virial mass. Also, only 5% of our galaxy sam-

ples are more massive than Mbreak. Therefore, we do

not comment further on M500 > Mbreak galaxies to avoid

over-interpretation.

3.4. Baryon budget

In Figure 7, we show the baryon fraction, fb as a func-

tion of the stellar mass. We compare our measurements

with the predictions from cosmological zoom-in simu-

lations EAGLE (3544 galaxies) and IllustrisTNG (5344

galaxies; Davies et al. 2020), and with previous mea-

surements based upon X-ray observations. Finally, we

discuss the implications of the variation of the baryon

fraction with stellar mass in our sample.

The X-ray emission-based measurement of NGC 3221,

the only L? galaxy other than Milky Way with a detected

CGM (green square; Das et al. 2019b, 2020) is consis-

tent with our results. The measurements for more mas-

sive super-L? galaxies in X-ray emission (red triangle;

Li et al. 2018) are also in line with our findings. Instead

of assuming an SHMR, the virial masses of these indi-

vidual galaxies have been directly measured from the

velocity dispersion of the neutral gas in these galaxies.

The measurement uncertainty in the virial mass is the

largest source of uncertainty in fb of these individual

galaxies. The median of the fb distribution predicted in

simulations (solid orange and dashed blue curves, Fig. 7)

are not consistent with our measurements, but we can-

not rule these predictions out modulo the scatter around

the median and the uncertainties in our measurements.

In previous studies on galaxy groups and clusters

based on the tSZ effect and X-ray emission, fb has been

found to decrease with decreasing halo mass (e.g., Lim

et al. 2018). However, we find that the trend does not

continue in low-mass halos. Starting from the largest

stellar mass in Fig. 7, fb increases with decreasing stel-

lar mass, reaches its peak and becomes consistent with

the cosmological fb at M? = 1010.9−11.2M�, and falls

off at lower stellar mass. It is arguably the first time

that the baryon fraction has been found to show such

a non-monotonic behavior with stellar (and virial) mass

in observational data. This “inversion”, i.e., increasing

fb with decreasing stellar mass has been predicted in Il-

lustrisTNG simulations (Davies et al. 2020, blue dashed
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Figure 7. The baryon fraction, fb, as a function of the stel-
lar mass. The upper x-axis has been labeled with correspond-
ing M200. Our measurements constrained at more (less) than
90% confidence are plotted in filled (unfilled) black circles.
Note that we have plotted a subset of the results (Table 1) to
help visualize the pattern. The error bars in the x-axes cor-
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X-ray emission measurement of NGC 3221 (Das et al. 2019b,
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2018), respectively. The solid orange and dashed blue curves
are median predictions from EAGLE and IllustrisTNG, with
the shaded regions showing 1σ scatter (Davies et al. 2020).
The horizontal dotted gray line corresponds to the cosmo-
logical baryon fraction (Planck Collaboration et al. 2016).

curve, Fig. 7), although the “inversion” in the simulation

occurs at a different stellar mass than our measurements.

It should be noted that we have assumed the gas to

be at the virial temperature. The X-ray emission mea-

surements of M? > 1010.9M� galaxies (Das et al. 2020;

Li et al. 2018) are consistent with that, but it might

not be true for lower mass galaxies. While the exact

mass of sub-virial phases in the CGM probed in UV ab-

sorption lines are extremely sensitive to the conditions

in ionization modeling, the prevalence of those lines in-

dicates that the volume-average temperature of these

halos might not be as high as their corresponding virial

temperatures. A lower temperature would increase the

mass of the CGM calculated from the tSZ effect, thereby

increasing fb in M? < 1010.9M� halos.

In galaxy groups and clusters, as AGN feedback is

the dominant mechanism of outflows, the decreasing fb
with decreasing halo mass (e.g., Lim et al. 2018) in-

dicates a higher strength of the AGN feedback rela-

tive to gravitation in low-mass groups. The halo mass

of our sample is where the stellar feedback could be-

come more influential than the AGN feedback (e.g.,

Harrison 2017). Therefore, the “inversion” in fb from

M? = 1011.6M� to 1010.9M� galaxies in Fig. 7 might

be the scenario where the stellar feedback enriches the

CGM and prevents overcooling but unlike AGN feed-

back, it is not strong enough to throw the gas outside

R200. In M? < 1010.9M� galaxies, given the ubiquitous

presence of cool CGM, we cannot conclusively comment

on the baryon sufficiency and the interplay between feed-

back and cooling. It would require simulations focused

on the large-scale impact of stellar feedback, and ob-

servations in X-ray and kinetic SZ (kSZ) effect5 (e.g.,

as done in Schaan et al. 2021; Amodeo et al. 2021) to

constrain these speculations.

4. CONCLUSION, SUMMARY AND FUTURE

DIRECTIONS

In this paper, we have looked for the tSZ effect

in the CGM of WISE×SuperCosmos galaxies with

M? = 109.8−11.3M� using Compton-y maps from

ACT +Planck data. We have studied the effect of dust,

galaxy clusters, and radio sources on the stacked y-maps

and corrected them. We have considered three methods

of stacking, and two methods of aperture photometry,

and zeroed in on the most complete and informative

one. We have taken into account the beam smearing,

the “two-halo” term, and any zero-point offset. Below,

we summarize our science results:

• We have been able to constrain the tSZ effect in

the CGM of M? = 1010.6−11.3M� galaxies by mod-

eling the thermal pressure with a generalized NFW

profile. There was also indirect evidence of the tSZ

effect in the M? < 1010.6M� galaxies before cor-

recting for CIB (Fig. A.1, top row), but we cannot

quantify the signal after correcting for CIB.

• The dependence of Ỹsph
R500 (a measure of the ther-

mal energy within R500) on the virial mass, M500 is

> 2σ stronger than that in self-similarity and the

deviation from the same observed in higher mass

halos in literature.

• Galaxies in the 1010.9−11.2M� range of stellar mass

could be baryon sufficient. The baryon fraction of

the galaxies exhibits a non-monotonic trend with

stellar mass, implying a complex interplay of the

gravitational potential and galactic outflow. The

non-monotonic trend has not been predicted be-

fore, indicating an insufficient treatment of the

5 A measure of ne from the CMB power spectrum, without any
temperature dependence
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Table 1. Properties of our galaxy sample and the corresponding tSZ effect. The number of galaxies,
the mean redshift, the mean virial mass, and the mean virial radius with 1σ scatters in each stellar
mass bin are quoted in the second–fifth column. Rmin denotes the smallest aperture in the unit of
R200. The error bars in Ỹ and Mgas are 1σ and the upper limits (for values constrained at <90%
confidence) are 3σ. Mgas is calculated assuming the CGM to be at virial temperature.

log(M?) #galaxy z log(M200) R200 Rmin Ỹsph
R500 Mgas,200

[M�] [M�] [kpc] [R200] [×10−8arcmin2] [×1011M�]

(1) (2) (3) (4) (5) (6) (7) (8)

∆M? = 0.3 dex

9.8-10.1 93907 0.158±0.063 11.86±0.04 185±5 1.09 <5.86 <2.85

10.1-10.4 175255 0.172±0.061 12.00±0.05 206±7 1.05 <5.26 <2.74

10.4-10.7 187761 0.192±0.060 12.18±0.07 237±12 0.99 <6.28 <2.74

10.7-11.0 124892 0.233±0.056 12.43±0.09 287±19 0.94 8.1±4.6 1.51±1.31

10.8-11.1 101155 0.249±0.053 12.53±0.10 310±21 0.92 17.3±6.1 2.79±1.34

10.9-11.2 79367 0.265±0.050 12.64±0.10 336±25 0.88 34.2±8.6 4.73±1.55

11.0-11.3 60108 0.281±0.047 12.75±0.11 366±29 0.84 37.3±11.0 4.37±1.71

∆M? = 0.2 dex

10.6-10.8 106715 0.211±0.059 12.31±0.05 261±10 0.97 <11.75 <3.61

10.7-10.9 91250 0.226±0.057 12.40±0.06 279±11 0.95 <18.58 <4.77

10.8-11.0 75326 0.242±0.054 12.50±0.06 301±13 0.93 15.3±6.8 2.61±1.30

10.9-11.1 59469 0.258±0.050 12.60±0.07 326±15 0.90 31.1±9.3 4.55±1.55

11.0-11.2 45726 0.274±0.047 12.71±0.07 355±18 0.86 30.8±11.7 3.84±1.96

11.1-11.3 34280 0.290±0.044 12.83±0.07 389±21 0.82 47.1±15.9 4.93±2.16

∆M? = 0.4 dex

10.5-10.9 212095 0.210±0.060 12.29±0.11 258±20 0.97 <7.21 <2.58

10.6-11.0 182042 0.225±0.058 12.38±0.12 275±23 0.95 5.8±3.2 1.17±0.92

large-scale effect of galactic feedback in low-mass

galaxies in simulations.

Upcoming telescopes, e.g., Simons Observatory and

CMB-S4 will improve the quality of SZ signal with in-

creased sky coverage, frequency coverage, sensitivity,

and angular resolution. Ongoing and future galaxy

surveys by, e.g., Dark energy spectroscopic instrument

(DESI) and Vera C. Rubin Observatory will increase the

sample size of galaxies. This will allow us to measure the

tSZ effect as well as the kSZ effect in low-mass galaxies

and constrain the density and pressure profiles indepen-

dently, leading to a better understanding of the effect of

galactic feedback on the CGM.

ACKNOWLEDGMENTS

We thank the anonymous referee for constructive feed-

back. We thank Dr. Vinu Vikram, Dr. Junhan Kim,

and Dr. Jonathan Davies for sharing the data of their

Vikram et al. (2017), Kim et al. (2022) and Davies

et al. (2020) papers, respectively. S.D. acknowledges

support from the Presidential Graduate Fellowship of

The Ohio State University and the KIPAC Fellowship of

Kavli Institute for Particle Astrophysics and Cosmology,

Stanford University. Y.C. acknowledges the support of

the National Science and Technology Council of Taiwan

through grant NSTC 111-2112-M-001-090-MY3. S.M.

is grateful for support from NASA through the ADAP

grant 80NSSC22K1121. This research has made use of

NASA’s Astrophysics Data System Bibliographic Ser-

vices.

Facilities: WISE, SuperCOSMOS, Planck , Atacama

Cosmology Telescope, Jansky Very Large Array

Software: AstroPy (Astropy Collaboration & As-

tropy Project Contributors 2022), corner (Foreman-

Mackey 2016), emcee (Foreman-Mackey et al. 2013),

Halotools (Hearin et al. 2016), Jupyter (Kluyver et al.

2016), Matplotlib (Hunter 2007), NumPy (Harris et al.

2020), pandas (The pandas development team 2020),

Pixell (Naess et al. 2021), Python math (Van Rossum

2020), SciPy (Gommers et al. 2022)



14 Das, Chiang & Mathur

REFERENCES

Amodeo, S., Battaglia, N., Schaan, E., et al. 2021, PhRvD,

103, 063514, doi: 10.1103/PhysRevD.103.063514

Anderson, M. E., Churazov, E., & Bregman, J. N. 2016,

MNRAS, 455, 227, doi: 10.1093/mnras/stv2314

Arnaud, M., Pratt, G. W., Piffaretti, R., et al. 2010, A&A,

517, A92, doi: 10.1051/0004-6361/200913416

Astropy Collaboration, & Astropy Project Contributors.

2022, ApJ, 935, 167, doi: 10.3847/1538-4357/ac7c74

Behroozi, P. S., Conroy, C., & Wechsler, R. H. 2010, ApJ,

717, 379, doi: 10.1088/0004-637X/717/1/379

Bhattacharyya, S., Das, S., Gupta, A., Mathur, S., &

Krongold, Y. 2023, arXiv e-prints, arXiv:2208.07863.

https://arxiv.org/abs/2208.07863

Bilicki, M., Peacock, J. A., Jarrett, T. H., et al. 2016,

ApJS, 225, 5, doi: 10.3847/0067-0049/225/1/5

Bluem, J., Kaaret, P., Kuntz, K. D., et al. 2022, ApJ, 936,

72, doi: 10.3847/1538-4357/ac8662
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APPENDIX

A. PROOF OF CONCEPT AND TECHNIQUES

A.1. Effect of thermal dust

In this section, we discuss how the cosmic infrared

background (CIB) and the Galactic dust affect the

stacking results.

A.1.1. CIB

We show the stacked y-maps and the corresponding

differential radial profiles before and after the CIB de-

projection in Figure A.1. The y-value in the central re-

gion of the maps before CIB deprojection is suppressed

(top row). It is also reflected by the radial profiles (red

circles; bottom row), where the y-value in the innermost

radial bin is smaller than the y-values in most (if not

all) of the outer radial bins. Because the thermal dust

of the galaxies has a different spectral energy distribu-

tion (SED) than that of the tSZ effect, the dust emission

could be manifested as a dearth of Compton-y. This ef-

fect becomes stronger as the stellar mass decreases, to

the extent of the innermost radial bin falling to nega-

tive Compton-y, which is unphysical. It attests to the

fact that less massive galaxies are generally dustier (e.g.,

Cortese et al. 2012). Also, the y-values in the outer ra-

dial bins are enhanced due to the thermal dust emission

by the CIB that mimics the tSZ signal. Both of these ef-

fects are corrected in the CIB deprojected maps (middle

row) and the corresponding radial profiles (blue stars;

bottom row). In the following sections, we consider the

CIB-corrected results only.

A.1.2. Galactic dust

We show the stacked, CIB deprojected y-maps and

the corresponding differential radial profiles before and

after correcting for Galactic dust in Figure A.2. The

Compton-y maps after applying the cut in N(H i)Gal

are systematically brighter than those before applying

the cut (middle vs. top row). The correction factor is

≈constant at small angular separation (θ < 5′), and it

increases at larger angular separation. It leads to a flat-

ter radial profile of Compton-y, effectively visible in the

10.7 < log(M?/M�) 6 11.3 bins (red circles vs. blue

stars; bottom row). It also shows that the negative val-

ues of Compton-y at large angular separation (θ > 8′)

in the most massive (11.0 < log(M?/M�) 6 11.3) bin

is due to the residual effect of Galactic dust even after

the CIB correction. In the following sections, we con-

sider the results corrected for CIB as well as the Galactic

dust.

A.2. Effect of masking

In this section, we discuss how the galaxy clusters and

the compact radio sources affect the stacking results.

A.2.1. Galaxy clusters

In Figure A.3, we show the stacked y-maps and the

corresponding differential radial profiles before and af-

ter excluding the galaxy clusters. The Compton-y values

are significantly larger in the presence of galaxy clusters,

reflected by the stark differences between the stacked

y-maps (top and middle row). This difference could be

due to the tSZ emission from the ICM of the galaxy clus-

ters. However, the clusters not only enhance the overall

y-values, but they also steepen the radial profiles (red

circles; bottom row), which would effectively lead to an

overestimation of the tSZ signal. This contamination is

corrected for in the masked profiles (blue stars; bottom

row). In the following section, we consider the results

masked for the galaxy clusters.

A.2.2. Radio sources

In Figure A.4, we show the stacked y-maps and the

corresponding differential radial profiles before and after

removing the radio sources from the WISE×SCOSPZ

galaxy sample as well as from the y-map. Overall, the

stacked y-maps are brighter after removing the radio

sources (top and middle row). Same as the thermal

dust, the compact radio sources, which include both

stars and galaxies, have different SED than that of the

tSZ effect. Thus, the emission from these sources could

be manifested as a deficiency of Compton-y. However,

this effect is not uniform in all stellar mass bins and at

all angular separations. In log(M?/M�) 6 10.4 galax-

ies, the y-values are systematically higher after masking

the radio sources (red circles vs. blue stars; bottom

row). Thus, it increases the zero-point offset but does

not affect the tSZ signal as such. In log(M?/M�) > 10.4

galaxies, y-values at the innermost radial bins are prac-

tically unchanged, while the y-values in the outer bins

are higher after masking the radio sources, thus flatten-

ing the radial profiles. Therefore, if the radio sources are

not removed, the background would be underestimated

and hence the tSZ signal would be overestimated. This

is corrected in the masked profiles. In the main text, we

discuss the results masked for galaxy clusters as well as

the radio sources.
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Figure A.1. Top and middle row: Stacked Compton-y maps before and after the CIB deprojection (see §2.1). The range of
M? in each mass bin is mentioned in the title of each map. The center of stacked galaxies (i.e., the central pixel) is marked
with a plus (‘+’) sign. The Gaussian beam with an FWHM of 1.′6 and 2.′4 before and after the CIB deprojection, respectively,
is shown with a circle at the center of each map. The colorbar is shown at the bottom. Bottom row: Differential radial profiles
of the stacked Compton-y maps with 1σ error before and after the CIB deprojection. The width of each annulus is the same as
the FWHM of the Gaussian beam, shown with the error bars along the x-axis.

A.3. Comparison among stacking methods

We show the CIB and Galactic dust-corrected, galaxy

clusters and radio sources-masked y-maps stacked us-

ing the three stacking methods in Figure A.5 (top three

rows). The difference among the three stacking methods

in the 2-D spatial distribution of Compton-y in the maps

is visible. We also show the corresponding differential

and cumulative radial profiles in the bottom two rows

of Figure A.5. The units of galactocentric distance in

these radial profiles are the average θ200, average R200,

and R200 for the stacking methods I (fixed θ⊥), II (fixed

r⊥) and III (fixed f200), respectively. The radial profiles

for the second and the third stacking methods are con-

sistent with each other (red crosses and blue stars), but

the profiles for the first stacking method are different

(brown stars). In the differential profiles of Compton-y,

the difference among the stacking methods is not uni-

form in all mass bins and at all radii. In the two lowest

mass bins, the y-values are noise dominated, and the

differences among the stacking methods in individual

radial bins are consistent within error. In the interme-

diate (10.4 < log(M?/M�) 6 11.0) mass bins, the outer

radial bins are more affected by the stacking methods

than the innermost radial bin. In the most massive bin,

the differences among the stacking methods, although

present, are not visually prominent. Thus, it is crucial

to incorporate the redshift and the virial radius into the

stacking, otherwise, the signal might be incorrectly es-

timated. This is one of the major advancements in this

work, compared to previous studies.

Because the second stacking method involves the in-

formation about the galaxy redshift while the first stack-

ing method does not, the ≈ 16− 45% scatter in D−1
A in
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Figure A.2. The effect of Galactic dust correction by applying the cut in N(H i)Gal (see §2.1.1) on stacking. Top and middle
row: Stacked CIB corrected Compton-y maps before and after the cut. The range of M? in each mass bin is mentioned in the
title of each map. The center of stacked galaxies (i.e., the central pixel) is marked with a plus (‘+’) sign. The Gaussian beam
(FWHM of 2.′4) is shown with a circle at the center of each map. The colorbar is shown at the bottom. Bottom row: Differential
radial profiles of the stacked Compton-y maps with 1σ error before and after the cut. The width of each annulus is the same as
the FWHM of the Gaussian beam, shown with the error bars along the x-axis.

individual mass bins causes the difference between the

first and the second stacking methods (see equations 1

and 2). The similar scatter in D−1
A and in R200/DA (see

equations 2 and 3) in all mass bins result in similar ra-

dial profiles for the second and the third stacking meth-

ods. In further discussion, we consider the third stacking

method only, because it takes into account the redshift

and the virial radius, and the results using this method

are the most straightforward to interpret in terms of

virial properties of galaxies.

B. RADIAL PROFILES OF COMPTON-Y

We show the stacked Compton-y maps, the posterior

distribution of the model parameters, and the differen-

tial radial profiles of Compton-y along with the best-

fitted model and its components in Figure B.1. An ex-

cess in the ≈ 1−2×R200 region compared to the region

within R200 is visible in most of the y-maps stacked be-

tween M? = 1010.4M� and M? = 1011M�, for different

∆M?. It leads to a flattening of the differential profile at

a small radius, or even a deficit of Compton-y in the in-

nermost radial bin compared to the adjacent radial bin

(visible in M? = 1010.4−10.7M�), which we refer to as

“central dip”. We can visually identify such deviation

from radially declining Compton-y only from differen-

tial profiles, not cumulative profiles. The “central dip”

could be an artifact due to the incomplete treatment

of dust at the center of these galaxies, or the resid-

ual effect of fainter radio sources. Otherwise, it could

also happen due to the galactic feedback snowplowing

the CGM out of the halo. The “central dip” leads to

an underestimated normalization of the pressure profile

with weak constraints at the respective stellar mass bins,

but it does not rule out the possibility of the Arnaud
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Figure A.3. The effect of masking the galaxy clusters (see §2.3.1) on stacking. Top and middle row: Stacked CIB and Galactic
dust- corrected Compton-y maps before and after masking. The range of M? in each mass bin is mentioned in the title of each
map. The center of stacked galaxies (i.e., the central pixel) is marked with a plus (‘+’) sign. The Gaussian beam (FWHM of
2.′4) is shown with a circle at the center of each map. The colorbar is shown at the bottom. Bottom row: Differential radial
profiles of the stacked Compton-y maps with 1σ error before and after masking. The width of each annulus is the same as the
FWHM of the Gaussian beam, shown with the error bars along the x-axis.

et al. (2010) pressure profile altogether. We will ad-

dress the diversity in the shape of the radial profiles and

their physical implication in a companion paper with

advanced modeling.

C. CENTRAL VS SATELLITE GALAXIES

The central and satellite galaxies evolve in differ-

ent environments, therefore they could have different

SHMR. The interpretation of our measured tSZ effect,

and the quantities derived from it, would not be straight-

forward if our galaxy sample is dominated by satellite

galaxies. In the following, we discuss the identification

of central galaxies in our sample and the credibility of

our analysis in the context of potential contamination

from satellites.

We restrict the calculation to the galaxy pairs that

are at similar redshifts, i.e., whose photometric redshifts

differ by less than their combined uncertainty in zph:

|z1−z2| <
√

(σ2
z1 + σ2

z2), where σz is the redshift uncer-

tainty. By comparing the zph with the corresponding

spectroscopic redshifts from multiple catalogs, Bilicki

et al. (2016) estimated the overall accuracy in zph to

be 0.035×(1+zph). We adopt it as an estimator of σz.

If a galaxy is within 2×θ200 of a more massive galaxy, we

identify it as a satellite of the more massive galaxy. We

find that ≈ 37% of our galaxy sample is central galaxies

according to this condition.

To test the validity of our calculation of the fraction

of central galaxies, fcentral, we compare it with the pre-

vious observational estimates or theoretical predictions

of fcentral. The halo occupation fraction of a central

galaxy depends on the host halo mass. We calculate the

fcentral as a function of stellar mass and virial mass us-

ing the occupation statistics prescription of Zheng et al.
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Figure A.4. The effect of masking the radio sources (see §2.3.2) on stacking. Top and middle row: Stacked CIB and Galactic
dust-corrected, galaxy cluster-masked Compton-y maps before and after masking. The range of M? in each mass bin is mentioned
in the title of each map. The center of stacked galaxies (i.e., the central pixel) is marked with a plus (‘+’) sign. The Gaussian
beam (FWHM of 2.′4) is shown with a circle at the center of each map. The colorbar is shown at the bottom. Bottom row:
Differential radial profiles of the stacked Compton-y maps with 1σ error before and after masking. The width of each annulus
is the same as the FWHM of the Gaussian beam, shown with the error bars along the x-axis.

(2007) and Zu & Mandelbaum (2015), and show it in

Figure C.1.

Because the uncertainty in photometric redshift is

large, the redshift difference between galaxies, and

hence, the number of galaxies to be considered as po-

tential satellites is large too. Therefore, our estimate

of fcentral is only a lower limit. The requirement of

minimum angular distance, ∆θmin, between two central

galaxies of 2×θ200 could be aggressive as well. In fact, a

lenient requirement of ∆θmin > θ200 increases the overall

fcentral to ≈ 71%. Given the size of our galaxy sample,

the stacked signal over these central galaxies would be

too weak to put a constraint on. Therefore, instead of

re-stacking over the central galaxies, we compare the

existing prescriptions of fcentral with our estimate of

fcentral, and we try to understand how much our stack-

ing results could be affected by satellite galaxies, if at

all.

The exact dependence of fcentral on mass is not of

prime importance in our context. At a given stellar

mass, if the speculated value of fcentral (gray lines in

Figure C.1) is larger than the fcentral of our galaxy

sample (black squares), it would imply that our fcentral
is not underestimated, and hence, reliable. The exact

measure of satellite galaxy contamination in our galaxy

population is model-dependent and inconclusive. In the

most conservative prescription of fcentral (Zheng et al.

2007), the galaxy population is dominated by central

galaxies at > 1010.6M�, i.e., fcentral >80%. Therefore,

in the mass range where we can constrain the tSZ effect,

it is safe to assume the central galaxy properties in the

interpretation of the results.
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Figure B.1. Stacked Compton-y maps, posterior probability distributions of Po, A2h, and yzp obtained by fitting the GNFW
pressure model to our tSZ measurements, and differential radial profile of Compton-y. ∆M? = 0.3 dex (top three rows), 0.2 dex
(third, fourth, and fifth rows from top), and 0.4 dex (bottom row). The range of stellar mass is mentioned in the title of each
plot. See the top left, top right, and bottom left panel of Figure 5 for more description.
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culated fcentral in the WISE×SCOSPZ galaxy sample for the
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We show the speculated fcentral for different halo occupation
statistics with the dotted (Zheng et al. 2007) and dashed (Zu
& Mandelbaum 2015) curves.
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ABSTRACT
Metal-poor stars are key to our understanding of the early stages of chemical evolution in the Universe. New multi-filter surveys,
such as the Southern Photometric Local Universe Survey (S-PLUS), are greatly advancing our ability to select low-metallicity
stars. In this work, we analyse the chemodynamical properties and ages of 522 metal-poor candidates selected from the S-PLUS
data release 3. About 92% of these stars were confirmed to be metal-poor ([Fe/H] ≤ −1) based on previous medium-resolution
spectroscopy. We calculated the dynamical properties of a subsample containing 241 stars, using the astrometry from Gaia
Data Release 3. Stellar ages are estimated by a Bayesian isochronal method formalized in this work. We analyse the metallicity
distribution of these metal-poor candidates separated into different subgroups of total velocity, dynamical properties, and ages.
Our results are used to propose further restrictions to optimize the selection of metal-poor candidates in S-PLUS. The proposed
astrometric selection (parallax > 0.85 mas) is the one that returns the highest fraction of extremely metal-poor stars (16.3%
have [Fe/H] ≤ −3); the combined selection provides the highest fraction of very metal-poor stars (91.0% have [Fe/H] ≤ −2),
whereas the dynamical selection (eccentricity > 0.35 and diskness < 0.75) is better for targetting metal-poor (99.5% have
[Fe/H] ≤ −1). Using only S-PLUS photometric selections, it is possible to achieve selection fractions of 15.6%, 88.5% and
98.3% for metallicities below −3, −2 and −1, respectively. We also show that it is possible to use S-PLUS to target metal-poor
stars in halo substructures such as Gaia-Sausage/Enceladus, Sequoia, Thamnos and the Helmi stream.

Key words: stars: kinematics and dynamics – stars: statistics – stars: abundances

1 INTRODUCTION

Stars with the lowest metal contents in their atmospheres are likely
to be the direct descendants of the earliest stellar generations to be
formed in the Universe (Umeda & Nomoto 2003; Bromm & Larson
2004). These stars can be seen as fossil records of the initial physical
conditions of the Universe and provide important constraints to the
formation and evolution of the Milky Way (e.g. Schörck et al. 2009;
Li et al. 2010; Frebel & Norris 2015; Helmi 2020), as well as its
satellite galaxies (e.g. Kirby et al. 2008; Norris et al. 2008; Tolstoy
et al. 2009; Frebel et al. 2010; Simon 2019).

★ E-mail: felipe.almeida.fernandes@usp.br, felipefer42@gmail.com
† Visiting Fellow at UCLan

Thefirst efforts on building a large sample ofmetal-poor ([Fe/H]1≤
−1) stars were based on the objective prism search technique, which
was employed by the HK survey (Beers et al. 1985, 1992) to identify
around a thousand metal-poor candidates. A few years later, the
Hamburg/ESO survey (Christlieb et al. 2008) was able to increase
this number by an order of magnitude (see Limberg et al. 2021a
for a more recent calibration of these surveys). Large spectroscopic
surveys, such as the Sloan Extension for Galactic Understanding
and Exploration (SEGUE Yanny et al. 2009), the Large Sky Area
Multi-Object Fiber Spectroscopic Telescope (LAMOST Cui et al.
2012; Luo et al. 2015) and the Radial Velocity Experiment (RAVE

1 [A/B] = log(𝑁𝐴/𝑁𝐵)★−log(𝑁𝐴/𝑁𝐵)� , where 𝑁 is the number density
of atoms 𝐴 and 𝐵 of a given element in the star (★) and the Sun (�).

© 2023 The Authors
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2 Almeida-Fernandes et al.

Figure 1. Sky distribution of the 522 stars in the P+22 sample, observed by Blanco (blue) and Gemini-South (orange). The S-PLUS planned footprint is shown
in green and the S-PLUS DR3 is shown in yellow. The grey colourmap in the background corresponds to the extinction map of Schlegel et al. (1998a).

Steinmetz et al. 2006;Kunder et al. 2017), have also recently provided
important results on the topic of metal-poor stars (e.g. Aoki et al.
2013; Lee et al. 2013; Roederer et al. 2014; Placco et al. 2015, 2018;
Li et al. 2018; Yuan et al. 2020; Aoki et al. 2022).
The advances in the determinations of atmospheric parameters di-

rectly from photometry (e.g. Allende Prieto 2016; Casagrande et al.
2010, 2019; Chiti et al. 2021) enables the study of different popula-
tions in our Galaxy using datasets containing millions of stars (e.g.
Ivezić et al. 2012; An et al. 2013, 2015). Large photometric surveys,
such as the Sloan Digital Sky Survey (SDSS York et al. 2000; Eisen-
stein et al. 2011; Blanton et al. 2017), SkyMapper (Wolf et al. 2018),
and Pristine (Starkenburg et al. 2017b), are currently among the main
sources for the discovery of new metal-poor candidates (Huang et al.
2022). In particular, the strength of SkyMapper and Pristine in the
search for metal-poor stars is the presence of a narrow-band filter
around the Ca ii H and K absorption features, which are particularly
sensitive to metallicity (Bond 1970, 1980; Beers et al. 1985).
The new-generation multi-filter surveys J-PAS (Javalambre

Physics of the Accelerating Universe Astrophysical Survey; Benitez
et al. 2014; Bonoli et al. 2021), J-PLUS (Javalambre Photometric
Local Universe Survey; Cenarro et al. 2019), and S-PLUS (Southern
Photometric Local Universe Survey; Mendes de Oliveira et al. 2019)
also include a similar narrow-band filter around the Ca ii H and K
lines, providing the necessary data for the search and characterization
of stars in the [Fe/H] < −3 regime. J-PAS plans to observe ∼8500
square degrees in the Northern hemisphere with a 2.5m telescope at
the Observatorio Astrofísico de Javalambre, Spain, using 56 narrow-
band filters. J-PLUS (which is an auxiliary survey to J-PAS, and uses
an 80 cm telescope located on the same site) is covering an area of
∼8500 square degrees. using 12 filters: 7 narrow-band and 5 broad-
band filters. The S-PLUS survey is the source of the data used in
this work. It has instruments similar to those in J-PLUS, located in

Cerro Tololo, Chile, and is observing ∼9000 square degrees in the
Southern hemisphere.

The presence of the narrow-band filters is key in the determi-
nation of accurate and precise stellar parameters for both J-PLUS
(Whitten et al. 2019; Galarza et al. 2022; Wang et al. 2022;
Yang et al. 2022) and S-PLUS (Whitten et al. 2021). In particu-
lar, Placco et al. (2022, hereafter, P+22) analysed S-PLUS colour-
colour diagrams and identified a region dominated by stars with
[Fe/H]≤ −1: (𝐽0395− 𝐽0410) − (𝐽0660− 𝐽0861) ∈ [−0.30 : 0.15]
and (𝐽0395− 𝐽0660) − 2× (𝑔− 𝑖) ∈ [−0.60 : −0.15]. P+22 selected
522 stars for medium-resolution spectroscopic follow-up and con-
firmed that 92% of those stars were, indeed, metal-poor, including
the ultra metal-poor star with the lowest measured carbon abundance
at the time of its publication (Placco et al. 2021).

In this work, we characterize the P+22 sample in terms of
isochronal stellar ages and kinematical properties. Our results allow
us to better understand the stellar populations present in the sam-
ple and the nature of the non-metal-poor contaminants. Our main
goal is to propose further restrictions to optimize the selection of
the metal-poor candidates and, perhaps, even eliminate the need for
medium-resolution spectroscopic follow-up to interpret the data in
future studies with purely photometric stellar parameters.

This paper is structured as follows. In Section 2 we describe
the sample used in this work, while in Section 3 we formalize the
isochronal method employed in the determination of stellar ages and
describe the process of obtaining the kinematical parameters. Our
results are presented in Section 4 and discussed in Section 5, where
several options are proposed to optimize the selection of metal-poor
stars based on the correlations between the estimated parameters and
the spectroscopic metallicity. Finally, our conclusions are presented
in Section 6.
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Figure 2. Kiel diagram (bottom) and metallicity distribution (top) of the 522
stars in the P+22 sample. The grey dots correspond to the MIST isochrones
grid covering ages from 0.1 to 15 Gyr and metallicities from -4 to 0.5 dex.
For reference, the solid black lines represent the 15 Gyr isochrones for metal-
licities -4, -2, -1, -0.5, 0, 0.5, from left to right.

2 SAMPLE

2.1 The S-PLUS Data Release 3

The photometry used in this paper comes from the third S-PLUS data
release (DR3) of S-PLUS (in preparation), which covers an area of
∼2000 square degrees of the ∼9000 square degrees planned for the
survey. S-PLUS photometric depths range from 19.1 to 20.5 mag (for
a signal-to-noise threshold of 5) depending on the filter (Almeida-
Fernandes et al. 2022). The sample used in this work2 is restricted
to magnitudes gSDSS < 17.5. In this range, the photometric er-
rors are dominated by the uncertainty in the photometric calibration
zero-points, estimated by Almeida-Fernandes et al. (2022) to be ≤
10 mmags for filters J0410, J0430, gSDSS, J0515, rSDSS, J0660,
iSDSS, J0861 and zSDSS; ≤ 15 mmags for filter J0378; and ≤ 25
mmags for filters uJAVA and J0395.

2 The data was obtained from the S-PLUS database (https://splus.cloud).

2.2 Low Metallicity Stars in S-PLUS DR3

Placco et al. (2022) identified a region dominated by metal-poor stars
in S-PLUS colour-colour diagrams. After applying a few restrictions
to the S-PLUS DR3 to ensure the quality of the photometry, P+22
selected 522 stars for medium-resolution spectroscopic follow-up:
384 stars were observed using COSMOS (Cerro Tololo Ohio State
Multi-Object Spectrograph; Martini et al. 2014), installed in the Vic-
tor M. Blanco 4-meter telescope; and 138 stars were observed using
GMOS (Gemini Multi-Objetc Spectrograph; Davies et al. 1997; Gi-
meno et al. 2016), in the Gemini-South telescope. Based on the
aforementioned spectra, P+22 used the n-SSPP pipeline (Beers et al.
2014, 2017) to measure stellar parameters for these stars.
In Figure 1, we show the sky distribution of the 522 stars in our

sample, colour-coded according to the instrument used to measure
the medium-resolution spectra (COSMOS in Blue and GMOS in
red). The S-PLUS planned footprint is shown in green, while the area
covered in DR3 is shown in yellow. As can be seen from the grayscale
projection of the extinction map (Schlegel et al. 1998b), the stars in
our sample are located at higher Galactic latitudes, |𝑏 | > 15 deg,
therefore, we expect our sample to be dominated by halo stars.
As discussed in P+22,most of the selected stars are confirmed to be

low-metallicity stars: 10% are metal-poor (MP; −2 < [Fe/H]≤ −1),
68% are very metal-poor (VMP; −3 < [Fe/H]≤ −2) and 14% are
extremely metal-poor (EMP; −4 < [Fe/H]≤ −3), with two stars
being ultra metal-poor (UMP; −5 < [Fe/H]≤ −4). The metallicity
distribution in this sample is shown in the top panel of Figure 2.
In the bottom panel of Figure 2 we show the Kiel diagram of this
sample, on top of the MIST (MESA Isochrones & Stellar Tracks)
isochrone set (Dotter 2016), represented in grey. For reference, we
highlight (black lines) the isochrones of 15 Gyr for the metallicities
−4, −2, −1, −0.5, 0 and 0.5 (the lower metallicity isochrones have
a higher temperature turn-off point). This diagram reveals that the
sample is dominated by VMP stars in the giant branch stage, with
most non-MP stars occupying the turn-off region. We note that there
is good agreement between the sample distribution in this diagram
and the region predicted by the MIST models for this metallicity
range.
Even though P+22 estimate individual uncertainties for the param-

eters, we adopted more conservative uncertainties of 100 K, 0.35 dex
and 0.20 dex for 𝑇eff , log 𝑔, and [Fe/H], respectively. These values
are based on the estimations of Beers et al. (2014) for the n-SSPP
pipeline used by P+22, divided by

√
2, to account for the fact that the

estimations of Beers et al. (2014) arise from the comparison of the
measurements between two different surveys.

2.3 Gaia DR3

A crossmatch between the P+22 sample and Gaia DR3 (Gaia Col-
laboration et al. 2022) is used in Section 4.2 to integrate the Galactic
orbits and estimate kinematical parameters. Gaia provides the nec-
essary proper motions, line-of-sight velocities, and distances (in this
case, we adopt the photo-astrometric distances from Bailer-Jones
et al. 2021). In total, 241 out of 522 stars in the P+22 sample have
the 6D astrometric information necessary for the analysis (the bot-
tleneck being the availability of line-of-sight velocities in the Gaia
catalogue).
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3 BAYESIAN ISOCHRONAL AGES

The Bayesian approach to estimating isochronal ages has already
been extensively discussed in the literature (Pont & Eyer 2004; Jør-
gensen & Lindegren 2005; Takeda et al. 2007). It is the best approach
when only the atmospheric parameters are known (e.g. when no stel-
lar rotation, chromospheric activity or asteroseismology data are
available; Soderblom 2010; Soderblom et al. 2014), making it the
best option for our sample.
In thiswork, we present a slight variation of the approach discussed

in Jørgensen & Lindegren (2005, hereafter, J&L05). In J&L05, the
likelihood is onlymarginalizedwith respect to age, resulting in an age
probability density function (pdf). In our method, we generalize this
marginalization for any quantity that can be predicted by the stellar
models (e.g. initial mass, age, metallicity, bolometric luminosity).
J&L05 consider that each point in the isochrone set can be repre-

sented by an age (𝜏), metallicity (Z), and mass (𝑚), and define the
posterior probability function, 𝑓 (𝜏, Z , 𝑚), in terms of the likelihood,
L(𝜏, Z , 𝑚) calculated from a set of observables (q and their respec-
tive uncertainties, 𝜎), and the prior probabilities of each point in the
isochrone 𝑓0 (𝜏, Z , 𝑚):

𝑓 (𝜏, Z , 𝑚) ∝ L(𝜏, Z , 𝑚) 𝑓0 (𝜏, Z , 𝑚) (1)

We propose a generalization of this equation for an arbitrary set
of parameters that define a point in the isochrone grid (including,
for example, the [𝛼/Fe] abundance, and the 𝑣/𝑣crit stellar rotation3),
h = {𝜏, Z , 𝑚, [𝛼/Fe], 𝑣/𝑣crit, ...}. In this notation, for a given set of
observables q (e.g. {𝑇eff , log 𝑔, [Fe/H]}), themultivariate pdf is given
by:

𝑓 (h|q) ∝ L(q|h) 𝑓0 (h) (2)

In other words, h is the set of quantities that parametrize the
stellar models, while q is the set of parameters we can measure
independently from the stellar models. Therefore, we aim to use the
isochronal method to infer one or more parameters in the set h, based
on the measured values in the set q.
Assuming Gaussian uncertainties (𝜎𝑖) for the observable parame-

ters, the likelihood L is given by:

L(q|h) =
[

𝑛∏
𝑖=1

1

(2𝜋)
1
2𝜎𝑖

]
× exp

[
𝜒2 (q|h)
2

]
(3)

and

𝜒2 (q|h) =
𝑛∑︁
𝑖=1

[
𝑞𝑖,obs − 𝑞𝑖 (h)

𝜎𝑖

]2
(4)

where 𝑞𝑖,obs corresponds to the observed value for the observable 𝑞𝑖
and 𝜎𝑖 is the corresponding uncertainty for this value. The parameter
𝑞𝑖 (h) represents the observable value predicted by the model defined
by the parameter set h.
We adopt uniform distributions for the priors in all isochrone

parameters, except for the mass. The limits for these uniform distri-
butions are set by the range of the models: constraining the metal-
licity between −4.0 and 0.5 (the full range available for the MIST
isochrones), and the ages between 0.1 and 15 Gyr (consistent with

3 In this case 𝑣crit corresponds to the velocity associated with the critical
angular velocity that results in a net 0 gravity in the stellar surface (see, for
instance, Gagnier et al. 2019).

the values adopted by J&L05). The prior can then be written as
𝑓0 (h) = b (𝑚), where b corresponds to the initial mass function
(IMF) and is implied not to be dependent on the other parameters.
Here we adopt the Kroupa (2002) IMF.
Finally, we obtain the pdf for any parameter by numerically

marginalizing the multivariate pdf. In this work, we simply replace
the integral with a Riemann sum. For example, for the age (𝜏), the
pdf can be obtained by:

𝑓 (𝜏𝑗 )𝛿𝜏 ∝
∑︁

𝜏∈[𝜏 𝑗 ,𝜏 𝑗+𝛿𝜏 [
𝑓 (h|q) × 𝐷 (h) (5)

where 𝐷 (h) represents the n-dimensional volume in the parameter
space h and is calculated according to the difference between each
consecutive value in the model grid:

𝐷 (h𝑖 = {𝜏, Z , 𝑚, ...}𝑖) =(𝜏𝑖+1 − 𝜏𝑖)×
(Z𝑖+1 − Z𝑖)×
(𝑚𝑖+1 − 𝑚𝑖) × ...

(6)

The main advantage of this approach over the method proposed by
J&L05 is that any quantity predicted by the isochrones can be used
in place of 𝜏 in Equation 5. Therefore, this same set of equations
can be used to obtain pdfs for atmospheric parameters (e.g. [Fe/H],
𝑇eff , log 𝑔), the initial mass (𝑚), and even the absolute magnitude in
a given passband.

3.1 Point Estimation

The Bayesian approach results in a pdf. Even though a point esti-
mation from the pdf implies loss of information, it is an adequate
approach to explore correlations between the properties of the sources
in a given dataset. J&L05 discuss the use of the mean, the median or
the mode for the age characterization. We choose not to use the mode
for the analysis because it is limited by the intervals in the grid of the
models, which in our case are steps of 0.2 Gyr. The mean and the
median provide very similar results (the average differences being of
the order of 1% of the ages). For the subsequent analysis, we adopt
the median as the point estimator for the age and the percentiles of
16% and 84% as the lower and upper limits (which corresponds to
one standard deviation from the median for a normal distribution).

3.2 Isochrone set

The isochrone set used in this work to realize the function 𝑞𝑖 (h), in
Equation 4, was obtained from theMIST database (Dotter 2016). We
have used version 1.2 and chosen the rotation 𝑣/𝑣crit = 0.4 because
the models with no stellar rotation are not complete for the lower
metallicity range ([Fe/H]< −2). All the models have solar-scaled
abundances, and our grid ranges from 0.1 to 15.0 Gyr in steps of
0.2 Gyr in ages and from −4.0 to +0.5 dex in steps of 0.1 dex in
metallicities. The full grid of models is shown in Figure 2 as grey
circles.

3.3 Age-mass degeneracy

We also divide the age determination into two steps: 1) we char-
acterize the stellar initial mass (𝑚init) from the mass pdf obtained
by using the known stellar parameters as the input; 2) secondly, we
repeat the analysis including the predicted mass among the inputs,
and only then we characterize an age from the resulting age pdf. The
age pdf obtained in step 2 is significantly smoother, favouring the
characterization of a single age from the median of the distribution.
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Figure 3. Age pdfs obtained for the 522 P+22 sample using the isochronal
method (bottom), with four representative stars highlighted (see Table 1). The
top panel shows the distribution of the characterized median ages, coloured
according to the classified age group (see Table 3).

Even though we do not use for the analysis the age pdf obtained in
step 1, we note that the difference in ages between steps 1 and 2 are
minimal: ≈2.5% for stars with 𝑚init < 0.8𝑀� (17% of the sample),
and ≈4.3% for stars with 𝑚init ≥ 0.8𝑀� (88% of the sample).
A comparison between ages determined by our method and those

derived using the J&L05 method for the Geneva-Copenhagen Sur-
vey (Nordström et al. 2004; Casagrande et al. 2011) is presented in
Appendix A.

4 RESULTS

4.1 Ages

We applied the isochronal method described in Section 3 to charac-
terize the ages for all stars in the P+22 sample. The input parame-
ters were the effective temperature, metallicity, and surface gravity
(h = {𝑇eff , [Fe/H], log 𝑔}). The pdfs for all 522 stars in the sample
are shown in the bottom panel in Figure 3.
The stars are distributed across the entire range of ages, with the

most likely values varying between 0.11 and 14.51 Gyr. The pdfs
vary significantly with age, with the interquartile difference being
much smaller for younger stars. This can be seen clearly in the four
highlighted pdfs in Figure 3. The increase in interquartile range is the
effect of the change in isochrone spacing of consecutive isochrones
between the turn-off and the giant branch regions.
In Table 1 we show the characterized ages and percentiles for the

four highlighted stars in Figure 3. The full distributions of median
ages are shown in the top panel of Figure 3. The majority (94 %)

Figure 4.Kiel diagram for the same stars as those in Figure 2, color-coded by
Gaia’s EDR3 distances (top), Gaia’s DR3 𝑉LOS (middle) and total velocities
(bottom). The solid lines represent the 0.1 Gyr (grey) and 15 Gyr (black)
isochrones for metallicities −4, −2, −1, −0.5, 0.0, +0.5.
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Table 1. Ages and initial mass for the four stars shown in Figure 3 and the first six entries of the catalogue. Values were estimated using the atmospheric
parameters (𝑇eff , [Fe/H], log 𝑔) from P+22 as inputs for the isochronal method. The value of 𝜏ML is the most likely age extracted from the resulting age pdf,
𝜏E is the expected age, while the numbers indicate the corresponding percentiles of this distribution. The adopted age corresponds to the median age, with
uncertainties estimated according to the difference between this age and the 16% and 84% percentiles. The full table is only available in electronic format.

𝑇eff [Fe/H] log 𝑔 𝑚init 𝜏ML 𝜏𝐸 𝜏50 𝜏16 𝜏84 𝜏adop
ID [K] dex dex [𝑀�] [Gyr] [Gyr] [Gyr] [Gyr] [Gyr] [Gyr]

SPLUS J200116.81-011625.9 6638 −0.10 3.62 1.253 2.110 2.301 2.016 1.159 3.044 2.016+1.028−0.857

SPLUS J035659.53+000841.9 6606 −0.73 3.56 0.952 5.310 5.266 5.127 3.237 6.876 5.127+1.749−1.890

SPLUS J035546.72+002806.4 5985 −0.42 3.72 0.863 9.310 8.765 8.897 5.256 11.850 8.897+2.953−3.641

SPLUS J035508.83+001433.9 5964 −2.53 3.42 0.809 14.510 11.200 11.700 8.137 13.730 11.700+2.030−3.563

SPLUS J000445.50+010117.0 5227 −2.37 2.56 0.868 8.910 9.441 9.356 5.756 12.780 9.356+3.424−3.600

SPLUS J001736.44+000921.7 4993 −2.63 2.19 0.878 10.110 9.472 9.417 5.803 12.770 9.417+3.353−3.614

SPLUS J002554.41-305032.0 5186 −2.21 1.72 0.915 5.710 7.999 7.533 4.127 11.750 7.533+4.217−3.406

SPLUS J002712.10-313352.1 5257 −2.27 2.74 0.857 8.910 9.510 9.433 5.826 12.840 9.433+3.407−3.607

SPLUS J002712.43+010037.0 5394 −2.29 3.41 0.813 14.510 10.410 10.690 6.916 13.410 10.690+2.720−3.774

SPLUS J003555.86-420431.0 5645 −2.53 3.38 0.824 14.510 10.700 11.130 7.181 13.590 11.130+2.460−3.949

of the stars are older than 6 Gyr. The upper and lower limits are
obtained from the difference between the median and the 16% and
84% percentiles.
After characterizing the ages, we separate the stars in four different

groups: Young (𝜏adop ≤ 4 Gyr), Intermediate age (4Gyr < 𝜏adop ≤ 7
Gyr), Old (7Gyr < 𝜏adop ≤ 10 Gyr), and Very Old (𝜏adop > 10 Gyr)

4.2 Kinematical parameters and orbital integration

In order to study the kinematical properties of the stars in our sample,
we performed a cross-match (with a tolerance of 3 arcsec) between
the stars in P+22 andGaia’s DR3 (Gaia Collaboration et al. 2022).We
use the photo-astrometric distances provided by Bailer-Jones et al.
(2021), while adopting the coordinates, proper motions, and radial
velocities from Gaia DR3. We have chosen to use only the Gaia DR3
radial velocities as they are more reliable than the ones obtained
by P+22 using the n-SSPP pipeline. In particular, the dispersion
between Gaia’s and other similar-resolution spectroscopic 𝑉LOS has
been found to be ≈ 18 km s−1, as noted by Limberg et al. (2021a)
and Shank et al. (2022).
The orbital parameters were estimated by integrating the orbits for

10Gyr (forward) in the potential described inMcMillan (2017), using
the Galpy python package (Bovy 2015). We adopted 𝑅� = 8.21
kpc, 𝑉� = 233.1 km s−1 (McMillan 2017), and (𝑈� , 𝑉� ,𝑊�) =

(11.1, 12.24, 7.25) km s−1 from Schönrich et al. (2010). We also
used Galpy to calculate the cartesian 𝑈, 𝑉 , 𝑊 velocities4, and the
corresponding total velocity:

𝑉Tot =
(
𝑈2 +𝑉2 +𝑊2

) 1
2 (7)

In Figure 4 we show the Kiel diagram for the P+22 sample, colour-
coded by heliocentric distance (top), line of sight velocity (𝑉LOS;
middle), and total velocity (𝑉Tot; bottom). We observe a clear corre-
lation between distances and position in the Kiel diagram, with the
closest stars located in the turn-off region and the more distant stars

4 By definition in Galpy,𝑈 is positive towards the Galactic center.

Figure 5. Toomre diagram for the 241 P+22 stars with 6D astrometric param-
eters available in Gaia’s DR3. Stars were classified according to their total
velocity: Low velocity stars with 𝑉Tot ≤ 80km s−1 (blue squares); Medium
velocity stars, with 80km s−1 < 𝑉Tot ≤ 180km s−1 (dark cyan triangles); and
High velocity stars 𝑉Tot > 180km s−1 (green circles).

located in the giant branch. This is the result of the restricted magni-
tude range covered by the P+22 sample, where most of the stars have
apparent magnitudes (𝑟SDSS) between 13 and 16. The line-of-sight
velocity distribution is evenly scattered: there are missing values for
both the turn-off and the giant branch stars, so we do not expect a bias
in terms of stellar class to be introduced by the availability of these
velocities. These missing values also translate to the total velocity,
which could only be calculated for 241 out of 522 stars (46%). In
this case, we see that the turn-off is dominated by low-velocity stars,
while the giant branch concentrates most of the high-velocity stars
in the sample.
We characterized the apogalactic and perigalactic radius (𝑅apo and

𝑅peri, respectively) and the maximum distance above the Galactic
plane (𝑧max). We use these parameters to calculate the eccentricity
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(ecc), and the ’diskness’, a quantity proposed by (Sales Silva et al.
2019):

ecc =
𝑅apo − 𝑅peri
𝑅apo + 𝑅peri

(8)

diskness =
𝑅apo − 𝑧max
𝑅apo + 𝑧max

(9)

Additionally, the orbital energy and angular momentum are also
computed and included in our final catalogue.
The Toomre diagram for the stars in this sample is shown in

Figure 5. We classify the stars in three groups: (i) low velocity stars
(LoVeSt) if their 𝑉Tot is lower than 80 kms−1; (ii) medium velocity
star (MeVeSt) if 𝑉Tot is between 80 and 180 kms−1; and (iii) high
velocity star (HiVeSt) if 𝑉Tot is higher than 180 kms−1. The sample
is dominated by high-velocity stars (72% of the stars with known
𝑉Tot).
We associate the LoVeSt with the thin disk population. In the case

of MeVeSt, while they have kinematical properties compatible with
the canonical thick disk, these stars, by construction, havemuch lower
metallicity than expected for the thick disk population. Nonetheless,
VMP stars have already been discovered in this population (see, for
example, Sestito et al. 2020; Di Matteo et al. 2020; Cordoni et al.
2021; Limberg et al. 2021b). These VMP thick-disk stars are likely
associated with the so-called ’metal-weak’ thick disk (see Morrison
et al. 1990 for an early discussion). For the HiVeSt, a more detailed
analysis in the integrals of motion space is necessary to differentiate
halo stars formed in situ from those associated with a past accretion
event (see Section 5.3.1).
In Figure 6we show the results of the orbital integration of the stars

in the P+22 sample. The trajectories were integrated for 10 Gyr (for
simplicity, only the first billion years are represented in the Figure)
and are shown in Galactic Cartesian coordinates XYZ. The orbits
are coloured according to metallicity (left), age (middle) and 𝑉Tot
(right). We can see most of the non-MP contaminants in the sample,
as well as young and intermediate-age stars, correspond to the thin
disk population. We also observe that most of the metal-poor stars
have trajectories consistent with the thick disk and halo populations.

5 DISCUSSION

Our main goal in characterizing the chemodynamical properties and
ages of the P+22 sample is to understand the different stellar pop-
ulations present in our dataset and use this information to increase
the purity and accuracy in selecting metal-poor stars in S-PLUS. We
accomplish this by dividing the sample into different subclasses of
metallicity, age, and 𝑉Tot. For the metallicity, we follow the defini-
tions of Beers & Christlieb (2005). The velocities are divided into
LoVeSt, MeVeSt and HiVeSt, as previously discussed in Section 4.2.
The ages are separated into Young, Intermediare age, Old and Very
Old groups, as defined in Section 4.1. The definition of these groups
is summarized in Table 3.

5.1 Age-Metallicity relation

The age-metallicity relation for the 522 stars in our sample is shown
in Figure 7. A very clear distinction is seen between the LoVeSt and
the other two kinematical groups. The ages are uniformly distributed
in the LoVeSt group, and most of the stars in this group are non-
MP (considered contaminants in this sample that targets metal-poor

stars). Out of the three exceptions, only one is a significant outlier
(SPLUS J110831.29-223514.5) and is discussed in Section 5.5, to-
gether with other notable outliers. We verified that only 15 stars have
Gaia RUWE5 greater than 1.4 (red circles in Figure 7) and their dis-
tribution in the considered parameter spaces is apparently random,
thus we do not expect our results to be biased due to non-resolved
binary stars.
We note the presence of non-MP stars with velocities typical of

the thin disc and with ages greater than 8 Gyr. These stars are good
candidates for old thin disk stars that formed in the inner Galaxy and
migrated to the Solar neighbourhood (thus would have higher [Fe/H]
than stars forming at the same time in the Solar neighbourhood).
A similar population is found by Beraldo e Silva et al. (2021) in a
sample of old stars.
TheMeVeSt and HiVeSt groups are dominated by old and very old

VMP stars. The majority of the stars in the MeVeSt group are older
than 9 Gyr, as expected for the thick disk (Miglio et al. 2021). The
lack of VMP, EMP and UMP stars in the Young and IntAge groups
is coherent with our current understanding of the chemical evolution
of the Galaxy (e.g. Starkenburg et al. 2017a; El-Badry et al. 2018).
Both for the LoVeSt and HiVeSt there appears to be a metallicity-

age gradient. However, we do not attempt to fit these gradients,
as they would not be representative of the global properties of the
Galaxy considering the strong selection effects imposed by the colour
constraints used in the P+22 sample selection. Furthermore, this
correlation could also be caused by the degeneracy between age and
metallicity when applying the isochronal method.
This analysis by itself already shows that the main source of non-

MP contaminants in the sample are the LoVeSt, attributed to the thin
disk population, where metal-rich stars are much more predominant
than in the halo or the thick disk (e.g. Haywood et al. 2013).

5.2 Colour-colour diagrams

We now analyse the distribution of the metallicity, age, and velocity
groups in the colour-colour diagram ((𝐽0395 − 𝐽0410) − (𝐽0660 −
𝐽0861) x (𝐽0395− 𝐽0660) − 2× (𝑔− 𝑖)) used by Placco et al. (2022)
to select the metal-poor candidates in the S-PLUS data (top panels
in Figure 8). Our goal is to investigate if the locus of each group
indicates the possibility of further restricting the selection in order
to increase the accuracy in identifying metal-poor candidates.
When dividing the sample by metallicity, we see a significant

overlap between the groups, but a difference in terms of location
and dispersion is noticeable in these parameter spaces. The MP and
VMP stars are scattered over the whole diagram, but a clear density
peak is observed around coordinates (−0.02, −0.3). The non-MP
contaminants are also scattered throughout the diagram, and no clear
peak in the density distribution is observed. This makes it unfeasible
to remove these contaminants by further restricting the colour cuts.
We see, however, that it is possible to significantly increase the ratio
of EMP andUMP stars in the selection, as all of these stars are located
within ([−0.3, 0], [−0.5, −0.2]). For instance, applying this cut to the
P+22 sample brings the fraction of EMP to 18.9% (in contrast with
the original 14.4% fraction).
We do not observe a significant correlation between age and locus

in the colour-colour diagram shown in the middle-top panel of Figure
8. In the case of the velocity groups (top right panel), the distributions
ofMeVeSt andHiVeSt are very similar, while the LoVeSt distribution

5 Gaia’s Renormalised Unit Weight Error (RUWE) is expected to be around
1.0 for single stars
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Table 2. UVW velocities and orbital parameters estimated for the four stars shown in Figure 3 and the first six entries of the catalogue. The data for the complete
sample, including additional dynamical parameters, can be found in electronic format.

ID U
[km s−1]

V
[km s−1]

W
[km s−1]

𝑅apo
[kpc]

𝑅peri
[kpc]

𝑧max
[kpc] ecc diskness 𝐸/105

[km2 s−2]
𝐿𝑍 /103

[kpc km s−1]

SPLUS J200116.81-011625.9 −53.9 −23.9 −0.1 8.51 5.49 0.46 0.22 0.90 −1.65 1.55
SPLUS J035659.53+000841.9 70.4 −39.0 3.5 10.76 6.09 0.60 0.28 0.89 −1.54 1.82
SPLUS J035546.72+002806.4 −14.8 −41.5 31.0 8.79 7.01 0.96 0.11 0.80 −1.58 1.79
SPLUS J035508.83+001433.9 — — — — — — — — — —
SPLUS J000445.50+010117.0 62.1 −157.0 39.9 9.39 2.44 2.85 0.59 0.53 −1.70 0.85
SPLUS J001736.44+000921.7 −122.8 −215.3 178.9 11.03 9.22 11.03 0.09 0.00 −1.45 −0.00
SPLUS J002554.41-305032.0 132.3 −122.3 166.2 18.64 3.04 12.65 0.72 0.19 −1.37 0.92
SPLUS J002712.10-313352.1 102.5 −292.0 −205.3 10.21 6.10 9.92 0.25 0.01 −1.55 −0.38
SPLUS J002712.43+010037.0 43.6 −381.3 −63.2 9.14 3.61 2.40 0.43 0.58 −1.68 −1.11
SPLUS J003555.86-420431.0 117.6 −51.1 45.2 12.03 4.42 2.41 0.46 0.67 −1.54 1.49

Figure 6. Resulting trajectories from the orbital integration for the 241 stars in the P+22 sample with known 6D astrometric parameters, shown in XYZ cartesian
coordinates. Only the first billion years of the trajectories are shown. The orbits are coloured according to the stellar metallicity (left), age (middle) and 𝑉Tot
(right).

is slightly offset to the right. This is because none of the EMP stars
in our sample is LoVeSt, and this metallicity group dominates the
distribution in the [(𝐽0395 − 𝐽0410) − (𝐽0660 − 𝐽0861)] < −0.1
region.

The selection effectiveness changes for the colour-colour diagram
(𝐽0395−𝐽0410)−(𝐽0660−𝐽0861) × (𝐽0378−𝑖)−(𝐽0410−𝐽0660).
This diagramwas proposed by Placco et al. (2022) to further clean the
sample from the non-MP contaminants. Here we see that selecting
stars with [(𝐽0378− 𝑖) − (𝐽0410−𝐽0660)] < 0.8 not only eliminates
most of the non-MP contaminants, but also alters the age distribution
by removing most of the young stars, and the velocity distribution
by eliminating most of the LoVeSt. These results also suggest that
a selection using spatial velocities (or orbital parameters) is able

to produce similar results as these colour cuts. This approach has
already been proposed in the literature (Placco et al. 2018; Limberg
et al. 2021b) and here it is explored in Section 5.6.

5.3 Dynamical properties

We used the results of the orbital integration in order to further
analyse the properties of the different stellar groups present in the
sample (for the starswith 6Dastrometric data available).We focus our
discussion on the ecc-𝑧max diagram, as well as on the ecc-diskness
diagram, which was shown by Sales Silva et al. (2019) to be a good
diagnostic for separating disk stars from halo substructures. These
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Figure 7. Correlation between age and metallicity for the stars in the P+22
sample. Stars are divided into velocity groups: LoVeSt (blue squares),MeVeSt
(dark cyan triangles) and HiVeSt (green circles). Stars with no velocity data
available are shown as grey circles. Age and metallicity groups are also
indicated in the borders of the plot. Notable outliers are marked with a blue
open square and discussed in Section 5.5.

Table 3. Summary of definitions and acronyms of the different groups defined
for metallicity, total velocity, and age.

Nomenclature Abbr. Definition Fraction

Metallicity

Non-metal-poor non-MP [Fe/H] > −1 8%
Metal-poor MP −2 < [Fe/H] ≤ −1 10%
Very metal-poor VMP −3 < [Fe/H] ≤ −2 68%
Extremely metal.poor EMP −4 < [Fe/H] ≤ −3 15%
Ultra metal-poor UMP [Fe/H] ≤ −4 0%

Total Velocity

Low velocity star LoVeSt 𝑉tot ≤ 80 km s−1 5%
Medium velocity star MeVeSt 80 km s−1 < 𝑉tot ≤ 180 km s−1 8%
High velocity star HiVeSt 𝑉tot > 180 km s−1 33%
No velocity data 54%

Age

Young Age ≤ 4 Gyr 2%
Intermediate Age Int. Age 4 < Age (Gyr) ≤ 7 5%
Old 7 < Age (Gyr) ≤ 10 73%
Very Old Age > 10 Gyr 20%

results are shown in Figure 9 with the stars divided into sub-groups
of metallicity (left), age (middle), and total velocity (right).
The region defined by ecc < 0.35 and diskness > 0.75 was based

on the results of Sales Silva et al. (2019), which in turn use a revision
of the Geneva-Copenhagen Survey (Casagrande et al. 2011) to iden-
tify the region occupied by the thin disk stars. All but one (SPLUS
J013838.21-274012.0) non-MP contaminants are located within this
region. In terms of ages, the region outside the thin disk selection
is dominated by old and very old stars, while the thin disk region
is equally populated by Young, Int. Age and Old stars. Out of all
the young stars with measured orbital parameters, only two show

high excursions (𝑧max > 2 kpc) above the Galactic plane (SPLUS
J104147.89-171551.9, SPLUS J132638.38-135134.3).
For the velocities, we see that the three non-MP MeVeSt observed

in Figure 7 are classified as thin disk stars following these dynamical
criteria, while the only VMP LoVeSt is not. Therefore, for the pur-
pose of identifying and eliminating the non-MP contaminants in the
sample, a restriction in the ecc-diskness diagram appears to provide
better results than a selection using the Toomre diagram.

5.3.1 Halo substructures

TheGalactic halo is amixture of stars formed in situ and the remnants
of past mergers between the MilkyWay and dwarf galaxies (Springel
et al. 2005; Helmi 2020). These remnants appear in the form of
halo substructures and stellar streams, usually identified as stars that
share similar dynamical properties (Helmi & de Zeeuw 2000). Each
of these substructures has its own metallicity distribution function
(MDF), which is related to the nature of the original dwarf galaxy
and the merger event that originated the substructure (Horta et al.
2023)
In this Section, we analyse if the presence of possible members of

these substructures in our dataset is biasing our targeting metallicity
selection. For this analysis, we compare the total energy and vertical
angular momentum in our sample (𝐸 and 𝐿𝑧), to those expected for
different halo substructures, streams and other dynamically tagged
groups (DTGs) from the literature.
In the top panel of Figure 10 we plot the 𝐸 × 𝐿𝑧 parameters of

the stars in the P+22 sample as grey circles (when not assigned to a
substructure) and coloured circles (when assigned to a substructure).
Five main Galactic substructures are represented by shaded regions
defined as in (Koppelman et al. 2019): Sequoia (Myeong et al. 2019);
Gaia-Sausage/Enceladus (GSE Belokurov et al. 2018; Helmi et al.
2018); Thamnos (Koppelman et al. 2019); and the Helmi streams
(Helmi et al. 1999). We note that Sequoia has also been suggested
to be part of GSE (Amarante et al. 2022). The stars in the P+22
sample within these regions are coloured accordingly. The coloured
squares represent these substructures with 𝐸 and 𝐿𝑧 estimated by
(Horta et al. 2023, hereafter H+23), while the triangles represent
the values obtained in a series of papers by Limberg et al. (2021c,
2022, 2023). The stars in the P+22 sample are distributed across the
whole parameter space, sharing dynamical properties with several of
these substructures (with the exception of Thamnos-1 andSagittarius,
where none or very few stars are present). They are also distributed
both in regions assigned and not assigned to DTGs according to
Lövdal et al. (2022).
To analyse the effects of possible substructure memberships in the

selection of metal-poor stars, we compare the distribution of metal-
licities of the stars within the shaded regions with the metallicities
estimated for each structure by H+23. These are shown in the lower
panels of Figure 10. The numbers in parenthesis show the number
of stars selected in each substructure and the corresponding fraction
of stars with respect to our whole sample. The vertical lines repre-
sent the H+23 metallicities and the shaded regions the 1, 2 and 3-𝜎
intervals around these values. As we can see, there is not a single
star with measured metallicity within 1-𝜎 for any of the considered
substructures. We also observe that in all cases, the stars are signifi-
cantly more metal-poor (except for one star in Gaia-Enceladus) than
reported in the literature for the substructures.
We also include in the top panel of Figure 10, as shaded beige cir-

cles in the background, the sample of Lövdal et al. (2022), with 𝐸 and
𝐿𝑧 recalculated by us using astrometric data from Gaia DR3. These
authors assign the stars to different DTGs based on a hierarchical
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Figure 8. Pseudo-color diagrams calculated from S-PLUS DR3 photometry divided in subgroups of metallicity (left), age (middle) and total velocity (right). The
top panels show the pseudo-colours diagram used in the original selection of the metal-poor stars by P+22, while the bottom panels display the pseudo-colour
cut proposed to optimize the selection of metal-poor candidates.

Figure 9. ecc-diskness diagram (top) and ecc-𝑧max diagram (bottom) for the stars in the P+22 sample, divided into groups of metallicity (left), age (middle)
and total velocity (right). The shaded region in the top diagram is the locus of the thin disk stars, as identified by Sales Silva et al. (2019) using data from the
Geneva-Copenhagen survey.
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Figure 10.Top panel: 𝐿𝑍×𝐸 for stars in the P+22 sample (circleswith a black
edge line), as compared to the regions occupied by several halo substructures
from the literature: Koppelman et al. (2019, K+19; shaded regions), Horta
et al. (2023, H+23; coloured squares), Limberg et al. (2021c, 2022, 2023)
(L+21c, 22a, 22b; coloured triangles), as well as the DTGs from Lövdal et al.
(2022, Lovdal+22; violet and dark beige circles). In the bottom panels, we
show the metallicity distribution for the stars in the P+22 sample selected
within each substructure. The vertical lines in the bottom panels are the
metallicity values from the literature (H+23), whereas the shaded regions
represent the 1, 2 and 3-𝜎 intervals.

clustering method in 3-dimensional integrals of motion space. The
stars assigned to a DTG are represented as darker beige circles. We
highlight the DTGs 2 and 4 of Lövdal et al. (2022) as violet circles.
There is a concentration of stars in the P+22 sample around these
groups, also represented in red. A 3-sigma selection around the cen-
troid of these DTGs is represented by the dashed red ellipse, which
contains 16 stars from the P+22 sample. We show the metallicity
distribution of these stars in the bottom panel of Figure 10 (there is
currently no known MDF for these groups in the literature). For the
stars in the P+22 sample, theMDF for Lövdal et al. (2022) DTGs 2+4
peaks at around [Fe/H] = −2.1, has an average of −2.4 and standard
deviation of 0.4. A star with metallicity −3.82 is also present within

these groups. However, as evidenced by the MDF of the other known
substructures, we point out that our selection is significantly biased
towards VMP stars, which is also likely to affect the MDF observed
for the DTGs. At best, our sample is representative of the metal-poor
tail of the MDF of these DTGs.
From this analysis, we can conclude the methodology employed

in the selection of metal-poor stars in S-PLUS is successful even
among the stars that share the kinematical properties of different
halo substructures, known to be, on average, more metal-rich than
the stars we are targeting. Conversely, we see that it is also possible
to use S-PLUS to target the metal-poor end of the MDF of these
substructures.

5.4 Summary of group properties

The Sankey diagram, Figure 11, is a useful tool to simultaneously
visualize the distribution of classes for each parameter (metallicity,
age and total velocity), as well as the correlations between each of
their subgroups. Our results can be summarized as follows:
i) The sample is dominated by old and very old VMP stars. The

second most numerous metallicity group are the EMP stars, where
the fraction of very old stars is greater than any other group.
ii)Most of the young stars are contaminant non-MP stars. However,

the age distribution in this non-MP group is similar to the overall
distribution in the sample. For the MP group, the fraction of old and
very old stars already starts to increase, but a significant number of
Intermediate-age stars can also be found within this group.
iii) Roughly half of the sample does not have 6D astrometric

information available.However, this limitation does not appear to bias
the results of this work, as both the age and metallicity distributions
within this group are similar to those in the full sample.
iv) The younger age groups have a larger fraction of LoVeSt,

while older groups have increasingly larger fractions of HiVeSt.
This is mostly a result of the disk population, composed mostly
by the LoVeSt, covering a larger age range, including the youngest
stars, while the MeVeSt and HiVeSt can be associated with the thick
disk/halo populations, which have narrower and older age distribu-
tion.
v) For the metallicity, the LoVeSt stars dominate the non-MP

contaminants and contain only a very small fraction of MP and VMP
stars. Not a single EMP or UMP star in this sample belongs to the
LoVeSt group.
vi) The fraction of non-MP contaminants decreases significantly

for theMeVeSt group, and evenmore for the HiVeSt, which has only a
single non-MP star. Asmentioned before, this result indicates that the
total velocity, and quantities derived from it, can be a powerful tool to
aid in the selection of metal-poor stars for spectroscopic follow-up.

5.5 Notable outliers

In this Section we discuss the five notable outliers present in our
sample. Their parameters are summarized in Table 4.

5.5.1 SPLUS J110831.29-223514.5: a VMP LoVeSt

With (𝑈,𝑉,𝑊) = (49.5,−19.2, 2.6) km s−1, this star is classified as
a LoVeSt. This is the only VMP star in this velocity group. However,
when analysing dynamical parameters, this star does not share the
same orbital properties as the other disk stars (in terms of ecc, 𝑧max
and diskness). It is located in the same region in the age-metallicity
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Figure 11. Sankey diagram presenting the distribution of stars among the sub-groups in metallicity, age and 𝑉Tot. The stars are divided into a) 5 metallicity
groups: non-MP ([Fe/H] > −1), MP (−2 < [Fe/H] ≤ −1), VMP (−3 < [Fe/H] ≤ −2), EMP (−4 < [Fe/H] ≤ −3), UMP ([Fe/H] ≤ −4); b) 4 age groups: Young
(𝜏adop ≤ 4 Gyr), Int. Age (4 < 𝜏adop ≤ 7 Gyr), Old (7 < 𝜏adop ≤ 10 Gyr), Very Old (𝜏adop > 10 Gyr); c) 4 𝑉Tot groups: LoVeSt (𝑉Tot ≤ 80 km s−1); LoVeSt
(80 km s−1 < 𝑉Tot ≤ 180 km s−1); HiVeSt (𝑉Tot > 180 km s−1), and stars with no velocity data currently available.

diagram asMeVeSt, which shares similar dynamical properties. Con-
sidering its orbital parameters, we conlcude that it is in fact a thick
disk star that just happens to be in a slower region in its trajectory.

5.5.2 SPLUS J013838.21-274012.0: a non-MP HiVeSt

Opposite to the previous case, this star is the only HiVeSt classified
as non-MP in this sample. This star also has a very high eccentricity
and is one of our oldest non-MP stars. One possible scenario that
could explain the existence of this star is the mechanism of disk
heating (Purcell et al. 2010; Amarante et al. 2020): an initially non-
MP LoVeSt formed in the disk would have its trajectory perturbed
by larger mass structures in the Galaxy, causing a deviation from its
originally circular orbit, increasing its UVW velocities. The very old
age and high eccentric orbit of this star corroborate this hypothesis.
Another hypothesis to explain the nature of this star would be that

it was accreted in the Galactic halo in a past merger event. We note
that this star shares the dynamical properties of the Gaia-Enceladus
substructure and has a metallicity within 2𝜎 of the metallicity range
attributed to this substructure (see Section 5.3.1). However, accreted
stars are expected to be more metal-poor than stars formed in the
Milky Way at the same age, thus making this accretion hypothesis
less likely.

5.5.3 SPLUS J132638.38-135134.3: a Young HiVeSt

This is the youngest HiVeSt in the sample and one of four HiVeSt
with an age of less than 6 Gyr. These four stars are located in the
region of the Kiel diagram where the turn-off of younger isochrones
intercepts the horizontal branch of older isochrones. In this case, it

is more likely that these stars are outliers with respect to stellar ages
(when compared to other stars of the same velocity group) due to
this degeneracy between younger/older isochrones other than to true
physical property.

5.5.4 SPLUS J104147.89-171551.9: a Young EMP star

This star is the most significant outlier in the age-metallicity diagram
shown in Figure 7 by being the only young star with [Fe/H] < −2.
In this case, we also believe that the cause is a mistakenly attributed
isochronal age due to mass-age degeneracy. This star is the coldest
and has the lowest surface gravity in the sample and is located in
a region in the Kiel diagram populated by a significantly higher
number of high-mass and very-young stars. While the isochronal
method returned a mass lower than 1.2 𝑀� for more than 99% of
the sample, this star was assigned a mass of 1.9 𝑀� , explaining the
considerably underestimated value characterized for its age. We also
note EMP stars are expected to be low-mass stars given that they are
likely exquisitely old.

5.5.5 SPLUS J210428.01-004934.2: a peculiar UMP star

This UMP star has the same dynamical properties (in terms of 𝐸 and
𝐿𝑧) of the GSE substructure and is already known for its peculiar
carbon abundance Placco et al. (2021), which is much lower than
expected for this metallicity regime.
The surprising characteristic in this study is the apparently young

age of SPLUS J210428.01-004934.2 in comparison to other HiVeSt.
This can be explained by the fact this star belongs to the 6% of our
sample that had the isochronal method return a very flat age pdf, with
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Table 4. Atmospheric parameters (estimated by P+22), mass and age (estimated in this work), astrometric parameters (from Gaia DR3) and orbital parameters
(estimated in this work) for the five notable outliers discussed in Section 5.5.

S-PLUS ID
J110831.29-223514.5 J013838.21-274012.0 J132638.38-135134.3 J104147.89-171551.9 J210428.01-004934.2

𝑇eff [K] 5234 ± 100 4980 ± 100 6524 ± 100 4251 ± 100 5056 ± 100
[Fe/H] dex −2.39 ± 0.20 −0.44 ± 0.20 −1.30 ± 0.20 −3.13 ± 0.20 −4.29 ± 0.20
log 𝑔 dex 2.64 ± 0.35 3.59 ± 0.35 2.86 ± 0.35 0.57 ± 0.35 3.18 ± 0.35

𝑚init [𝑀�] 0.865 0.894 1.14 1.92 0.51
𝜏ML [Gyr] 10.91 14.51 1.71 0.51 14.51
𝜏E [Gyr] 9.54 10.01 4.35 0.96 8.08
𝜏50 [Gyr] 9.48 10.30 3.14 0.58 8.14
𝜏16 [Gyr] 5.88 6.40 1.40 0.25 2.97
𝜏84 [Gyr] 12.84 13.20 7.06 1.26 12.61

𝛼 (J2000) degree 167.13034 24.65924 201.65991 160.44952 316.11672
𝛿 (J2000) degree −22.58734 −27.67002 −13.85954 −17.26441 −0.82621
`𝛼 · cos 𝛿 mas yr−1 2.508 10.229 −8.828 −0.870 14.976
`𝛿 mas yr−1 −2.133 −3.297 −0.285 −0.359 −8.260
𝑉LOS km s−1 20.01 207.6 275.56 100.22 −108.47
distance kpc 3.153 5.554 4.772 9.688 4.797

U km s−1 49.46 −183.28 −23.77 −33.46 −200.13
V km s−1 −19.22 −256.08 −251.43 −99.92 −205.52
W km s−1 2.55 −155.04 228.18 28.43 −284.08
𝑅apo kpc 12.25 18.07 10.59 14.08 20.42
𝑅peri kpc 5.12 0.08 4.29 5.68 2.43
𝑧max kpc 2.22 13.34 10.59 7.76 18.76
ecc 0.41 0.99 0.42 0.42 0.79
diskness 0.69 0.15 0.00 0.29 0.04
𝐸/105 km2 s−2 −1.519 −1.414 −1.586 −1.450 −1.34
𝐿𝑍 /103 kpc km s−1 1.659 0.012 −0.009 1.488 −0.377

the difference between the median and most-likely age being higher
than 6 Gyr. This means that more UMP stars need to be observed for
us to be able to discuss any meaningful insights about their expected
ages.

5.6 Improving the selection of metal-poor stars

Finally, we apply our results to propose additional selection cri-
teria that can help improve the accuracy of selecting metal-poor
star candidates. These cuts are to be applied after the initial se-
lection in the colour-colour diagram proposed by Placco et al.
(2022): (𝐽0395 − 𝐽0410) − (𝐽0660 − 𝐽0861) ∈ [−0.30 : 0.15] and
(𝐽0395− 𝐽0660) − 2× (𝑔 − 𝑖) ∈ [−0.60 : −0.15]. Here we consider
5 different additional criteria (each applied independently, except for
the last one):
i) Photometric ([(𝐽0378 − 𝑖) − (𝐽0430 − 𝐽0660)] ≤ 0.8);
ii) Astrometric (Parallax ≤ 0.85 mas);
iii) Kinematical (𝑉𝑇 𝑜𝑡 ≥ 80 𝑘𝑚 𝑠−1);
iv) Dynamical (ecc > 0.35 or diskness < 0.75);
v) All combined.
We note that the effectiveness of the astrometric and kinematical

cuts is strongly dependent on the nature of our sample, which contains
mostly high Galactic latitude stars (99% of the stars in the sample
have |𝑏 | > 15 deg). Therefore, the selection of distant stars also
implies the selection of stars with a higher distance from the Galactic
disk plane, which in turn removes the non-MP thin disk contaminants
from the sample. We expect the dynamical cut to be invariant to the
Galactic latitude as it takes into account not only the current position,
but the whole Galactic orbit.

The selection results are shown in Figure 12. The top panel presents
the metallicity distribution in the original P+22 sample, while each
of the five subsequent panels shows the distribution after applying the
additional indicated restriction. Each of these panels also indicates
the number of stars remaining in the sample after the selection and
the fraction within each metallicity range. The amount of non-MP
contaminants is indicated on the right. The bottom panel presents the
cumulative density function (CDF) for each distribution, highlighting
the 50% and 90% percentiles.
The dynamical selection is the one resulting in the highest purity

of metal-poor stars (99.5%), followed by the kinematical selection
(98.5%). However, both selections are limited to stars with 6D astro-
metric data, resulting in a cut of half the sample due to unavailable
data. This limitation also removes several VMP and EMP from the
sample, causing the median metallicity to be even higher than the
original sample. A disadvantage of the dynamical cut is the necessity
of adopting a Galactic potential model for orbit integration.
The photometric and astrometric selections result in nearly iden-

tical distributions, even though these parameters are not directly
related. The photometric cut is slightly better than the parallax cut in
terms of purity of metal-poor stars (98.3% against 97.6%), while the
parallax cut gives slightly better results for the fraction of stars with
[Fe/H] ≤ −3 (16.3% against 16.0%). These differences are negligi-
ble given the size of the sample, and both selections can be used in-
terchangeably. It is worth pointing out that this photometric selection
involves the J0378 filter, which is known to have the largest calibra-
tion uncertainty in S-PLUS (𝜎ZP ∼ 25 mmags Almeida-Fernandes
et al. 2022), whereas the astrometric selection has the disadvantage of
being highly sensitive to the spatial distribution of the current sample
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Figure 12. Metallicity distributions for the original sample of P+22 (top) and after applying the 5 different proposed selection criteria (middle panels). For
comparison, the cumulative density functions for the six distributions are shown in the bottom panel, with the numbers indicating the values of the 50% and
90% percentiles.
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and is expected to become less effective as S-PLUS covers regions
of lower galactic latitude because of the increasing contamination of
disk stars.
The combined cut is the one that presents the best result in terms

of selecting the VMP stars (91%, against 82.8% from the original
sample). However, it carries on the removal of the EMP stars from
the kinematical and dynamical cut, resulting in 10.7% of the sample
being EMP (compared to 15.1% in the original sample).
Given these considerations, we suggest the use of the photometric

cut to significantly improve the purity of the metal-poor selection,
optimizing the target selection for the spectroscopic follow-ups.

6 CONCLUSIONS

Placco et al. (2022) used S-PLUS to select metal-poor candidates
and showed through medium-resolution spectroscopic follow-up that
92% of the 522 selected stars indeed have [Fe/H] below −1, while
83% and 15% have metallicities below −2 and −3, respectively.
In this work, we characterized the stars in this sample in terms of

age and kinematical properties and analysed the correlations between
these quantities and the metallicities in order to propose ways to
further optimize the selection of metal-poor stars. The ages were
calculated using a bayesian isochronal method, similar to the one
presented by Jørgensen & Lindegren (2005). Kinematical properties
were derived from the 6D astrometric parameters from Gaia’s DR3
and distances from Bailer-Jones et al. (2021). Orbital parameters
were obtained after integrating the Galactic orbits for 10 Gyr for a
McMillan (2017) Galactic potential using Galpy.
We find the majority of the non-metal-poor contaminants in the

sample are low-velocity stars, with ages distributed between 2 and 10
Gyr, which can be associated with the thin disk. Themetal-poor stars,
specially those with metallicity below −2, constitute the majority
of the sample (83%) and are medium/high velocity stars (𝑉tot >
80 𝑘𝑚 𝑠−1). We also show that the presence of different substructures
in the halo does not seem to be biasing the selection of metal-poor
stars through colour-colour cuts in the S-PLUS photometry.
We propose five distinct selection criteria to be applied in addi-

tion to the ones described in Placco et al. (2022), which can further
improve the selection of metal-poor candidates. The dynamical se-
lection (ecc > 0.35 or diskness < 0.75) is the one that gives the
best results in terms of optimizing the purity of the sample, result-
ing in 99.5% of the stars having spectroscopic metallicity below −1,
however, it should be used with care, as it introduces a dynamical
bias in the selected sample. The selection of very metal-poor stars is
optimized in the combined selection (where 91% of the stars have
metallicity below −2). For targeting the extremely metal-poor stars,
the photometric cut ([(𝐽0378 − 𝑖) − (𝐽0430 − 𝐽0660)] ≤ 0.8) is
the best option, resulting in a sample of 16% of the stars having
metallicity below −3.
Applying the same restrictions as P+22 (CLASS_STAR ≥ 0.95;

𝑔 ≤ 17.5; 0.2 ≤ 𝑔 − 𝑖 ≤ 1.6; and 0.3 ≤ 𝐽0410 − 𝐽0861 ≤ 3.5) and
the photometric selection criteria to the forthcoming S-PLUS DR4
(in preparation) results in a sample of 26.187 stars, in which more
than 98% can be expected to be metal-poor according to our results.
If we increase the selection for stars with 𝑔 brighter than 20.5 (this
filter photometric depth for a signal-to-noise = 5) the sample size
increases to 112.991. Since DR4 only covers a third of the planned
S-PLUS footprint, we expect to be able to select a sample of≈300.000
high-confidence metal-poor stars by the end of the survey. We expect
the results from this paper to contribute to the interpretation of the

statistical results that will be derived from the sample of metal-poor
stars selected in S-PLUS.
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APPENDIX A: VERIFICATION OF THE ISOCHRONAL
METHOD

In this work, we presented a novel formalism for the implementation
of the Bayesian isochronal age method (Section 3). Our method is
very similar to the one presented by Jørgensen & Lindegren (2005,
J&L05). There are two differences in our implementation: i) our
equations are written in a way that allows for the construction of
a probability density function for any parameter predicted by the
isochrones (e.g. age, initial mass, surface temperature, radius, lumi-
nosity); ii) we take into account the age-initial mass degeneracy by
first obtaining a pdf for the initial mass from the observable inputs.
Then, we adopt the median mass from this pdf as an additional input
for the application of the isochronal method to derive the age pdf.
Given these differences, it is good practice to verify our results

against well-established stellar ages in the literature. We chose the
Geneva-Copenhagen Survey (GCS Nordström et al. 2004) for this
comparison, which contains data for 16682 nearby F and G dwarf
stars. In particular, we use the data from Casagrande et al. (2011,
hereafter, C+11), which re-estimated the bayesian isochronal ages
after improving the accuracy of the stellar effective temperatures. The
differences between ours and C+11 approach are listed in Table A1.
We estimated the ages of the GCS stars using the same method

described in Section 4.1. In Figure A1 we compare our ages with
the median ages derived by C+11 using the Padova isochrone set.
The authors also provide ages characterized by different point es-
timators (mean and mode), and for another isochrone set (BaSTI).
Our conclusions do not depend on the characterization chosen for
the comparison.
In Panel a of Figure A1, we show the differences between our

adopted ages and C+11 ages, as a function of the adopted ages. The
scatter increases with stellar ages, but the offset remains relatively
close to zero, with a small correlation shown by the linear regression
(red line). For young stars, the offset is negligible and increases to
∼ 1.4 Gyr for ages around 9.5 Gyr (which is the peak of the age
distribution in the P+22 sample). The stars are coloured according to
their total velocity in the Local Standard of Rest, and we observe an
increase of higher velocity stars with age (a known property of the
stars in the GCS).
Panel b shows the overall distribution of the age differences. The

mode of the distribution is very close to zero (0.05 Gyr), but the
median and mean are slightly higher (-0.18 Gyr and -0.47 Gyr, re-
spectively). This is a result of the correlation between the offset and
the ages.
In Panel c we compare the average offset for different age bins

(blue line) with the average uncertainties predicted by both methods
for each respective bin. We define the uncertainty (𝛿) as half the
difference between the 84% and 16% percentiles of the age pdf
(which for a gaussian distribution would approximately correspond
to 1𝜎). Uncertainties calculated for the C+11 sample are represented
by the orange line, while those calculated for the method presented in
this work are shown in blue. The higher uncertainties in our case can
be explained by the use of different inputs for the isochronal method

Table A1.Summary of the differences in the implementation of the isochronal
method between our approach and that of Casagrande et al. (2011) for the
stars in the Geneva-Copenhagen survey.

This Work Casagrande et al. (2011)

Isochrone set MIST Padova 6
Age prior Uniform Uniform

Metallicity prior Uniform Uniform
IMF Kroupa Salpeter

Inputs 𝑇eff , log 𝑔, [Fe/H], 𝑚ini7 𝑇eff , [Fe/H], V
Point estimation median median

and the use of more conservative uncertainties for the atmospheric
parameters.
For the whole age interval, we observe that the average difference

between ours and C+11 ages is smaller than the average estimated
uncertainties. Therefore, we consider our ages reliable in compar-
ison to those estimated for the GCS employing a similar bayesian
approach.
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Figure A1. Panel a shows the differences between the isochronal ages estimated by the method presented in this work and those estimated by Casagrande et al.
(2011) for the Geneva-Copenhagen survey (all stars with an estimated age older than 0.0 Gyr), as a function of age. The stars are colour coded according to their
velocity in the Local Standard of Rest. In Panel b we represent the overall distribution of the age differences. Panel c shows a comparison between the average
differences and the average uncertainties in both methods in different age bins.
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Abstract. We revisit the growth of curvature perturbations in non-minimal curvaton sce-
nario with a non-trivial field metric λ(φ) where φ is an inflaton field, and incorporate the
effect from the non-uniform onset of curvaton’s oscillation in terms of an axion-like potential.
The field metric λ(φ) plays a central role in the enhancement of curvaton field perturbation
δχ, serving as an effective friction term which can be either positive or negative, depending
on the shape of λ(φ), namely the first derivative λ,φ. Our analysis reveals that δχ undergoes
the superhorizon growth when the condition ηeff ≡ −2

√
2εMPl

λ,φ
λ < −3 is satisfied. This is

analogous to the mechanism responsible for the amplification of curvature perturbations in
the context of ultra-slow-roll inflation, namely the growing modes dominate curvature per-
turbations. As a case study, we examine the impact of a Gaussian dip in λ(φ) and conduct
a thorough investigation of both the analytical and numerical aspects of the inflationary dy-
namics. Our findings indicate that the behavior of the curvaton perturbation during inflation
is not solely determined by the depth of the dip in λ(φ). Rather, the shape of the dip also
plays a significant role, a feature that has not been previously highlighted in the literature.
Utilizing the δN formalism, we derive analytical expressions for both the final curvature
power spectrum and the non-linear parameter fNL in terms of an axion-like curvaton’s poten-
tial leading to the non-uniform curvaton’s oscillation. Additionally, the resulting primordial
black hole abundance and scalar-induced gravitational waves are calculated, which provide
observational windows for PBHs.

Keywords: non-minimal curvaton, inflation, primordial black holes, scalar-induced gravita-
tional waves
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1 Introduction

The cosmic microwave background radiation (CMB) experiments have already confirmed that
the primordial curvature perturbation ζ is nearly scale-invariant and Gaussian on large scales
(around the pivot scale kpivot = 0.05 Mpc−1), with the amplitude of its power spectrum
Pζ ∼ 10−9 [1]. However, the small-scale primordial curvature perturbations are free from the
current observational constraints (see Fig. 7), and tremendous efforts have been dedicated
to the theoretical and phenomenological studies of the potential growth of the small-scale
primordial curvature perturbations in past decades. One of the most promising phenomena
is the formation of primordial black holes (PBHs) through the direct gravitational collapse
of overdense regions in the early Universe [2–4]. The fact that PBHs can exist with different
masses and result in various astrophysical and cosmological phenomena, has captured consid-
erable research interest. For example, detecting Hawking radiation may be possible using light
PBHs with a mass of less than 10−17M�

1 [5–9]. Heavy PBHs with a mass of around 105M�
could serve as seed black holes for supermassive black holes [10–13]. Moreover, the medium-
sized PBHs with a mass in the tens of solar masses could be candidates for LIGO/Virgo GW
events [14–16]. It is worth noting that the possibility of PBHs serving as a candidate for
dark matter has been a topic of discussion for several decades. However, tighter experimental
constraints increasingly challenge their ability to account for dark matter [17–19].

Extensive theoretical research has been dedicated to studying PBH formation in vast
models of the early Universe, especially in the context of the inflationary models (refer to
comprehensive reviews [15, 19] for the summary of PBH formation models). In this paper, we
revisit the growth of curvature perturbations in a non-minimal curvaton scenario proposed
recently by Ref. [20] and studied further by the following Ref. [21] with three specific forms
of field metric, including the Gaussian-like, rectangular and oscillating dips. However, some

1M� ' 2× 1033 g is the solar mass.
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discrepancies were observed in the curvaton power spectrum at the end of inflation, for which
the underlying reason is unclear. Our paper aims to investigate the details of curvaton field
perturbations during inflation, regarding a non-trivial field metric identified as an effective
friction term [cf. Eq. (2.16)]. The growth of curvaton field perturbations occurs when this
effective friction term becomes negative enough [cf. Eq. (2.19)], which is essentially the
same case for the ultra-slow-roll (USR) inflation [22–25]. Hence, the superhorizon growth
of curvaton field perturbations in the non-minimal curvaton scenario also exists, which is
confirmed by our numerical calculations for a concrete Gaussian-like field metric. Besides a
universal dip observed in the curvaton power spectrum, which arises from the cancellation
between the constant mode and the “decaying” mode, a second dip exists due to the positively
large effective friction term for the Gaussian-like field metric. With detailed theoretical and
numerical analyses, we demonstrate that the growth of curvaton field perturbations during
inflation is not merely determined by the depth of the dip but also strongly affected by its
shape.

In addition, we employ the axion-like curvaton model, where the curvaton is treated as
a pseudo-Nambu-Goldstone boson of a broken U(1) symmetry, exhibiting a periodic potential
[26] [cf. Eq. (2.2)]. Reference [27] for the first time found that the supersymmetry-based
axion-like curvaton model can generate an extremely blue spectrum of isocurvature pertur-
bations, in which the curvaton is identified with the phase direction of a complex scalar field.
Subsequently, Ref. [28] successfully realized the PBH formation based on this type of axion-
like curvaton, and other works had utilized this model to account for LIGO/Virgo events
[29, 30] or NANOGrav results [31, 32].

In the standard curvaton scenario [33–35], the curvaton is a speculative light scalar field
χ that existed during inflation, which solely contributes to the primordial perturbations and
has no effect on the inflationary background dynamics due to its negligible energy density
(ρχ � ρφ) during inflation. After inflation, the inflaton completely decays into radiation when
the Hubble parameter H equals the decay rate of the inflaton Γφ. The Hubble parameter
then decreases, and the curvaton begins to oscillate when Hosc is around mχ. During this
oscillation phase, the curvaton behaves like dust, with its energy density scaling as ρ̄χ ∝ a−3,
becoming more dominant than radiation, with its energy density scaling as ρ̄r ∝ a−4, until
the curvaton decays at a time tdec when H = Γχ. For simplicity, we adopt the “sudden-decay
approximation” such that the curvaton decays instantaneously into radiation2. After tdec,
there is only radiation, and curvature perturbations thus remain conserved until it reenters
the horizon.

Following the comprehensive analysis and formalism presented in Ref. [38], we con-
sider the non-linear evolution of the curvaton field in the post-inflation dynamics, which
has been demonstrated to have a significant impact on perturbation power spectrum and
non-Gaussianity, consequently, the PBH abundance. We present complete expressions of the
curvature power spectrum and non-Gaussianity at the curvaton’s decay. At last, the PBH
abundance and the SIGWs are calculated as well.

This paper is organized as follows. In Sec. 2, we first review the full dynamics of the
background and perturbations during inflation used for numerical calculations. Then, we
identify a generic field metric as an effective friction term for curvaton field perturbations and
find that the normal “decaying” mode starts growing on superhorizon scales when the total
friction term becomes negative. The shape of the field metric also plays an essential role in

2It has been turned out in Refs. [36, 37] that this approximation fits well to the full numerical result that
includes the energy transfers in the whole post-inflation phase under the appropriate parameter choice.
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the growth of curvaton field perturbations during inflation. For a case study, we consider a
Gaussian-like dip in the field metric, and our numerical results confirm the above conclusions.
For the post-inflation dynamics, we apply the δN formalism to derive the analytic formalisms
for the curvature power spectrum and the non-Gaussianity at the curvaton’s decay. Numerical
calculations are also performed. In Sec. 3, the PBH abundance and SIGW energy spectrum
are derived numerically. We summarize the results in Sec. 4.

2 Growth of perturbations in non-minimal curvaton scenario

2.1 Inflationary dynamics

2.1.1 Master perturbation equations

We consider the following action governing the dynamics of inflaton φ and curvaton χ during
inflation,

S =

∫
d4x
√
−g
[
M2

Pl

2
R− 1

2
∇µφ∇µφ−

1

2
λ2(φ)∇µχ∇µχ− V (φ, χ)

]
(2.1)

with an non-trivial field metric λ2(φ) that may arise in UV-completion theories [39–41]. Here
MPl is the reduced Planck mass, and R is the Ricci scalar. For simplicity, we consider the
minimal coupling between the inflaton and curvaton so that combined potential is separa-
ble, namely V (φ, χ) = Vinf(φ) + Vcur(χ). The inflation’s potential Vinf(φ) is required to be
consistent with the standard slow-roll inflation, while the axion-like curvaton is written as

Vcur(χ) = f2
am

2
χ

(
1− cos

χ

fa

)
, (2.2)

where mχ is the mass of χ and fa is its symmetry breaking scale. For the small-field limit
χ � fa, the leading term in (2.2) gives the quadratic potential, namely Vcur(χ) ' 1

2m
2
χχ

2,
which is studied in Refs. [20, 21]. The homogeneous EoMs derived from the action (2.1) with
the spatially flat Friedmann-Lemaître-Robertson-Walker metric, ds2 = −dt2+a2(t)δijdx

idxj ,
are given by

3M2
PlH

2 =

[
1

2
˙̄φ2 +

λ2(φ̄)

2
˙̄χ2 + V (φ̄, χ̄)

]
' Vinf(φ̄) , (2.3)

¨̄φ+ 3H ˙̄φ+ V,φ = λλ,φ ˙̄χ2 ' 0 , (2.4)

¨̄χ+

(
3H + 2

λ,φ
λ

˙̄φ

)
˙̄χ+

V,χ
λ2

= 0 , (2.5)

where V,χ = fam
2
χ sin χ

fa
for the axion-like potential (2.2) and the overhead bar represents the

homogeneous background. Given the explicit form of field metric λ(φ) [cf. Eq. (2.20)], the
above three equations form a closed system and can be solved numerically. The approximation
in Eqs. (2.3) and (2.4) are based on the assumption that the curvaton has a negligible effect
on the dynamics of inflation.

The scalar fields can be separated into a homogeneous background and a first-order
perturbation, namely φ(t,x) = φ̄(t) + δφ(t,x) and χ(t,x) = χ̄(t) + δχ(t,x). By incorporating
metric perturbations, the dynamics of the field perturbations can be derived. The metric
perturbation in the Newtonian gauge is written as,

ds2 = −(1 + 2Φ)dt2 + a(t)2

[
(1− 2Φ)δij +

1

2
hij

]
dxidxj , (2.6)
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where the first-order scalar metric perturbations are described by a single variable Φ, i.e., we
ignore the anisotropic stress at the linear order, and hij represents the second-order transverse-
traceless tensor perturbations. By employing the equations of first-order perturbation Φ, we
can express the field perturbation equations in a closed form [42],

Q̈φ + 3HQ̇φ − 2λλ,φ ˙̄χQ̇χ +

(
k2

a2
+ Cφφ

)
Qφ + CφχQχ = 0 , (2.7)

Q̈χ + 3HQ̇χ + 2
λ,φ
λ

˙̄φQ̇χ + 2
λ,φ
λ

˙̄χQ̇φ +

(
k2

a2
+ Cχχ

)
Qχ + CχφQφ = 0 , (2.8)

where we introduce the gauge-invariant Mukhanov-Sasaki variables, Qφ ≡ δφφ +
˙̄φ
HΦ and

Qχ ≡ δφχ +
˙̄φ
HΦ, which correspond to δφ and δχ in the spatially-flat gauge Φ = 0. The

background-dependent coefficients are defined as follows:

Cφφ = −2(λ,φ)2 ˙̄χ2 +
3 ˙̄φ2

M2
pl
− λ2 ˙̄φ2 ˙̄χ2

2M4
plH

2
−

˙̄φ4

2M4
plH

2
+
[
(λ,φ)2 − λλ,φφ

]
˙̄χ2 +

2 ˙̄φV,φ
M2

plH
+ V,φφ ,

(2.9)

Cφχ =
3λ2 ˙̄φ ˙̄χ

M2
pl
− λ4 ˙̄φ ˙̄χ3

2M4
plH

2
− λ2 ˙̄φ3 ˙̄χ

2M4
plH

2
+

˙̄φV,χ
M2

plH
+
λ2 ˙̄χV,φ
M2

plH
+ V,φχ , (2.10)

Cχχ =
3λ2 ˙̄χ2

M2
pl
− λ4 ˙̄χ4

2M4
plH

2
− λ2 ˙̄φ2 ˙̄χ2

2M4
plH

2
+

2 ˙̄χV,χ
M2

plH
+
V,χχ
λ2

, (2.11)

Cχφ =
3 ˙̄φ ˙̄χ

M2
pl
− λ2 ˙̄φ ˙̄χ3

2M4
plH

2
−

˙̄φ3 ˙̄χ

2M4
plH

2
+ 2

λ,φφλ− (λ,φ)2

λ2
˙̄φ ˙̄χ− 2

λ,φ
λ3
V,χ +

˙̄φV,χ
M2

plHλ
2

+
˙̄χV,φ
M2

plH
+
V,φχ
λ2

,

(2.12)

The physical observables of interest are gauge-invariant curvature and isocurvature pertur-
bations, defined as R ≡ Φ + H

˙̄φδφ+ ˙̄χδχ
˙̄φ2+ ˙̄χ2

and F ≡ − ˙̄χδφ+ ˙̄φδχ√
˙̄φ2+ ˙̄χ2

, respectively. For notational

simplicity, we drop overhead bars of background quantities without ambiguity in the follow-
ing discussions.

2.1.2 Enhancement from a non-trivial field metric

Although the dynamics of inflaton and curvaton perturbations during inflation are quite
complicated [cf. Eqs. (2.7) and (2.8)], a reasonable estimate of curvaton evolution can be
made [20]. During inflation, the curvaton is subdominant (ρχ � ρφ) and light (mχ � Hinf).
As a result, χ is nearly frozen on its potential (2.2) due to the strong Hubble friction term.
Thus, we can neglect the terms involving χ̇ and temporarily ignore the coupling with the
inflaton perturbation δφ in Eq. (2.8), which gives us:

δχ̈k +

(
3 + 2

λ,φ
λ

φ̇

H

)
Hδχ̇k +

(
k2

a2
+
V,χχ
λ2

)
δχk ' 0 , (2.13)

where V,χχ
λ2

=
m2
χ

λ2
cos χ

fa
for the axion-like potential (2.2). The background (2.5) and pertur-

bation (2.13) equations do not share the same form as the case for the quadratic curvaton’s
potential [20, 21], and one cannot apply the fixed ratio δχ/χ to simplify the analysis except
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for the small-field limit χ� fa. Deep inside the horizon k � aH, the Bunch-Davies vacuum
can be utilized to establish the initial condition for δχk,

δχk(t) '
1√

2ka(t)λ(φ(t))
exp

(
−ik

∫
dt

a(t)

)
. (2.14)

At the horizon crossing k = aH, the power spectrum of δχk is simply approximated as

Pδχ(k) ≡ k3

2π2
|δχk|2 '

(
Hinf

2πλ(φ)

)2

. (2.15)

Naively, the dip in the field metric λ(φ) can enhance certain modes (around the scale that
exits the horizon as φ passes the dip) of curvaton perturbations and lead to the large curvature
spectrum after the curvaton’s decay [20, 21]. However, there are some discrepancies in the
curvaton power spectrum at the end of inflation reported in Refs. [20, 21], and the physical
explanation of the enhancement is also missing. In what follows, we shall show that the
enhancement of δχ arising from the non-trivial field metric λ(φ) has essentially the same
physical reason with the case of the USR inflation [23, 24], and the estimate of curvaton
power spectrum (2.15) does not involve the superhorizon growth of curvaton perturbations.

The perturbation equation (2.13) clearly shows that the field metric λ(φ) plays a role as
an effective friction term that is also well known in non-canonical inflation models for decades
[43–45]. Crucially, the effective friction term 2

λ,φ
λ φ̇ in Eq. (2.13) depends not only on the

depth of the dip (i.e., the value of λ) but also on its shape (i.e., the first derivative λ,φ). It is
physically transparent to define

ηeff ≡ −2
√

2εMPl
λ,φ
λ

, (2.16)

where ε ≡ −Ḣ/H2 = 1
2M2

Pl
(φ̇/H)2 is the slow-roll parameter of inflationary background. One

can rewrite Eq. (2.13) under the superhorizon limit k → 0 and ignore the effective mass term
which is insignificant in our case,

δχ̈k + (3 + ηeff)Hδχ̇k +
k2

a2
δχk ' 0 , (2.17)

which is the same as the case for superhorizon comoving curvature perturbations, and there
exists a constant mode and a time-evolving mode in its solution [23],

δχk(t) ' Ck +Dk

∫ t dt̃

a3(t̃)εeff
, (2.18)

where Ck and Dk are functions only of k, and the effective slow-roll parameter εeff is normally
defined and related to ηeff as ηeff = ε̇eff

Hεeff
. One can clearly see the physical relevance between

Eq. (2.17) and USR inflation [23, 24]. The total friction term (3 + ηeff)H is negative when

ηeff < −3 , (2.19)

and the second term in Eq. (2.18) will become a growing mode and can dominate the solution
at a later time. The curvaton perturbation will grow on superhorizon scales and enhance the
curvaton perturbation power spectrum at the end of inflation. Hence, the curvaton spectrum
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at the end of inflation must differ from Eq. (2.15), which is only valid if the curvaton pertur-
bations were frozen after the horizon exit. Moreover, the canonicalized curvaton perturbation
is not simply λ(φ)δχ (which is also a hidden assumption of Eq. (2.15)) especially for the
enhanced modes, due to the corresponding non-negligible derivatives λ,φ, see the right panel
of Fig. 1. In summary, the dynamics of curvaton perturbation during inflation is not solely
determined by the depth of the dip (namely the value λ) but also strongly affected by its shape
(namely the first derivative λ,φ).

2.1.3 Case study: the Gaussian-like dip

To further elaborate on the aforementioned points, we shall examine a Gaussian-like dip in
λ(φ) as Ref. [21],

λ(φ) = λc

{
1−A exp

[
−

(φ− φdip)2

2σ2
λ

]}
, (2.20)

where the overall amplitude is governed by λc = 1, the depth of the dip at φdip is determined
by A and the width is controlled by σλ. The choice of the value of λc, which is close to the
canonical case (A = 0), is based on the premise that we are solely concerned with the physical
impact generated by its dip, namely the enhancement of δχ near φdip as we will show later.
It is worth noting that when A = 1, the kinetic term of χ in the action (2.1) vanishes at
φdip, resulting in the deactivation of χ’s dynamics. Hence, χ swiftly approaches the ground
state χ = 0 and remains there permanently. Consequently, the standard curvaton scenario is
absent in the post-inflation period, which is not our interest in this paper. For A > 1, two
zero points and one local maximum exist in λ2(φ). However, the curvaton will be trapped as
it encounters the first dip. Moreover, if A is negative, then the global minimum of λ2(φ) is
unity, as illustrated in the left panel of Fig. 1. In order to consider the growth of curvaton
perturbation δχ, we will focus on the range 0 < A < 1 in the subsequent discussion.

A=0.9
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λ
2 (
ϕ
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Figure 1. Left panel: An illustration of the field metric λ2(φ) in terms of three typical values of
A: 0.9 (blue), 2.2 (orange) and −0.2 (green), with the same width σλ = 0.1. This work only focuses
on the first case 0 < A < 1. Right panel: The numerical results of 3 + ηeff during the Starobinsky
inflation for σλ = (0.01, 0.1, 0.2) shown by the blue, orange and green curves, respectively. The
parameters are taken as: mχ/MPl = 10−8, φini/MPl = 5.5, φdip/MPl = 4.8, A = 0.995, σλ = 0.01 and
Λ4/M4

Pl ' 2× 10−14.
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After numerically solving the master perturbation equations (2.7) and (2.8) in the

Starobinsky inflation Vinf(φ) = Λ4
[
1− exp

(
−
√

2
3

φ
MPl

)]2

, which has been demonstrated to
be in good agreement with Planck’s observations [1], we yield the power spectra for infla-
ton (green) and curvaton (blue) at the end of inflation3 for the axion-like potential (2.2), as
shown in the left panel in Fig. 2, respectively4. Here, we set the initial inflaton field value as
φini/MPl = 5.5. Reference [21] also reported a similar curvaton spectrum as our numerical
result, which is distinct from the approximation (2.15) (orange) adopted by Ref. [20]. The
peak of Pδχ(te, k) predicted by Eq. (2.15) is about three orders of magnitude smaller than
ours and much narrower as well. As discussed previously, the omission of the enhancement
effect arising from the shape of λ(φ) is the cause for these significant deviations. The nu-
merical results for the comoving curvature spectrum PR(te, k) (blue) and entropy spectrum
PF (te, k) (red) are shown in the right panel of Fig. 2. Since the curvaton is assumed to be
light during inflation, the inflationary trajectory is along the φ-direction. The curvature and
entropy perturbations are decoupled and dominated by δφ and δχ, respectively. Hence, both
PR(te, k) and PF (te, k) share the similar shape with Pδφ(te, k) and Pδχ(te, k), respectively.
The slow-roll parameter ε increases when φ approaches the end of inflation, as shown in the
bottom-left panel of Fig. 3, δφ is thus not frozen on superhorizon scales and causes Pδφ(te, k)
to be larger than (around three orders of magnitude) the standard amplitude (Hinf/2π)2 for a
light scalar field during inflation5, as displayed in the left panel of Fig. 2 and the bottom-right
panel of Fig. 3.

The left panel of Fig. 2 displays three manifest features of Pδχ(te, k): two dips and one
peak in between. First, a pronounced dip appears prior to the growth of Pδχ(te, k), which is
essentially the same as USR inflation as discussed earlier, such that the decaying mode cancels
with the constant mode in the solution (2.18) to some extent6, signalling the superhorizon
growth of this “decaying mode” (which is a growing mode now) and results in the following
growth of Pδχ(te, k). For small-k modes shown by the first group of ks in the top-left panel
of Fig. 3, they exit the horizon at earlier times (i.e., around the turning points displayed in
this plot), and the decaying mode has already decreased to an extremely small value before
the total friction term becomes negative, so that the constant mode always dominate δχ even
though the “decaying mode” constantly grows during ηeff < −3 on superhorizon scales. Thus,
one can easily realize the nearly scale-invariant spectrum on large scales as long as the inflaton
starts at a position (namely the pivot scale kpivot exits the horizon) not too close to the dip
position φdip. It is evident in the top-left panel of Fig. 3 that these scale-invariant modes
behave the same as BD vacuum modes, which decay as |δχk(t)| ∼ 1/a(t) on subhorizon scales
revealed by Eq. (2.14).

Second, the growth of curvaton perturbation occurs within a certain k range, which is
caused by the negative total friction term in Eq. (2.17), namely ηeff < −3, when the inflaton
approaches the dip position φdip from the right side in the left panel of Fig. 1. And ηeff is

3For the purpose of numerical calculations, the moment at which the slow-roll parameter ε reaches unity
is considered as the end of inflation.

4Note that the energy scale Λ4 of Starobinsky inflation in our case is lower than the typical value ∼ 10−10

in the single-field case [1], since there exits additional contribution from δχ in the post-inflation epoch, as we
will discuss later.

5The value of Hubble parameter Hinf ' Λ2 in our numerical calculation is taken to normalize the spectrum
Pδχ(te, k) to be (Hinf/2π)2 on large scales, and the benchmark Pζ(tdec, kpivot) ' 2.1 × 10−9 in Eq. (2.35) as
well.

6These two modes can cancel with each other exactly for USR inflation (ηeff = −6), see Refs. [23, 24] for
the detailed discussions.
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Figure 2. Left panel: The comparison between our numerical result (the blue curve) and the
approximation (2.15) adopted by Ref. [20] (the orange dashed curve), for the curvaton power spectrum
Pδχ(te, k). The inflaton power spectrum Pδφ(te, k) is shown by the green curve. Right panel: The
numerical results of the comoving curvature spectrum PR(te, k) (blue) and entropy spectrum PF (te, k)
(red) at the end of inflation, which are normalized by PR(te, kpivot). The parameters are taken as:
mχ/MPl = 10−8, φini/MPl = 5.5, φdip/MPl = 4.8, A = 0.995, σλ = 0.01 and Λ4/M4

Pl ' 2× 10−14.

negative only when φ > φdip for the Gaussian dip (2.20). The k range of the enhancement
approximately corresponds to the horizon-crossing modes when ηeff < −3, illustrated in the
middle-left panel of Fig. 3, whose final values (at the e-folding number N = 60) are higher
than the scale-invariant modes (the cyan dashed line) shown in the top-left panel of Fig. 3.
Moreover, the spectrum Pδχ(te, k) drops after it reaches the crown since the total friction
returns to zero and then becomes positively large as shown in the right panel of Fig. 1.

Last but not least, there exists a second dip in the spectrum Pδχ(te, k) after it stops
falling, since the total friction term becomes positively large (see the right panel of Fig. 1)
when the inflaton passes over the dip position φdip. It is evident in the middle-right panel
of Fig. 3 that certain modes |δχk| drop more rapidly after their growth, the slopes of which
are larger than the normal BD vacuum modes |δχk(t)| ∼ 1/a(t). Reference [21] reported the
first dip without explanation and did not mention the presence of the second dip, as we show
here. The first and second dips may be weakened in the final curvature power spectrum since
it will be compensated by the nearly scale-invariant Pδφ(te, k), see Eq. (2.35) and the curves
shown in Fig. 7.

Moreover, it is necessary to clarify the parameter dependence of the features mentioned
above, and we will see that the shape of the dip plays an essential role in each case. Examining
the axion-like potential (2.2) and the Gaussian dip (2.20), the free parameters in our model
are given by (mχ, fa, A, φdip, σλ)7. In the following discussions, we fix fa, which is somewhat
irrelevant to the inflationary dynamics since it only changes the normalization of χ (which
is nearly frozen during inflation due to the smallness of mχ)8 and can be absorbed into its
mass mχ in the axion-like potential (2.2). The dip position φdip determines the peak of the
curvaton perturbation spectrum Pδχ(te, k) (or equivalently, the peak of the final curvature

7These free parameters receive constraints from the curvature power spectrum as shown in Fig. 7.
8However, fa is crucial for the enhancement of the final curvature perturbation at the curvaton’s decay,

since the first derivative N,χe is inversely proportional to fa or χe, see Eqs. (2.32) and (2.35).
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Figure 3. The numerical results of time evolutions of |δχk| and |δφk| during the 60-efolding Starobin-
sky inflation with the same parameters as Fig. 2. In each panel, later start times correspond to larger
k modes. The upper four panels display different k ranges corresponding to the scale-invariant,
first/second dip and peak regimes of Pδχ(te, k) as shown in Fig. 2. The bottom-right panel clearly
shows the superhorizon growth of |δφk| in the presence of an increasing slow-roll parameter ε of
Starobinsky inflation shown in the bottom-left panel. The cyan dashed horizontal line refers to the
value Hinf/

√
2.
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spectrum Pζ(tdec, k) shown in Fig. 7), so that we mainly focus on the discussion about A and
σλ for the moment.

For a fixed σλ, a larger A refers to a dip with a steeper slope, or equivalently, ηeff defined
in Eq. (2.16) is enlarged, which results in a more significant enhancement. This trend can
be identified from the comparisons among cases A = (0.995, 0.9, 0.5) as illustrated in the left
panel of Fig. 4. These peak amplitudes are not simply proportional to [λ(φdip)]−2 = (1−A)−2

as suggested by the approximation (2.15), which demonstrates again that the enhancement
is also affected by the shape of λ. For a smaller A case, the peak and two dips become
insignificant, as expected.

A

0.995

0.9

0.5

10-4 10-2 100 102 104
10-4

10-2

100

102

104

106

k/kdip


δ
χ
(t
e
,k
)/
H

in
f

2
π
2

σλ

0.01

0.1

0.2

10-4 10-2 100 102 104
10-4

10-2

100

102

104

106

k/kdip


δ
χ
(t
e
,k
)/
H

in
f

2
π
2

Figure 4. Left panel: The curvaton power spectra Pδχ(te, k) in terms of various values A =
(0.995, 0.9, 0.5) for a fixed value σλ = 0.01. Right panel: The curvaton power spectra Pδχ(te, k)
in terms of various values σλ = (0.01, 0.1, 0.2) for a fixed value A = 0.995. All other parameters are
the same as Fig. 2.

For a fixed A, an enlarged σλ refers to a dip with a more gentle slope, the enhancement
effect from its shape λ,φ becomes weaker. The maximum of the total friction is less than
that of a smaller σλ (see the evolution of the total friction as shown in the right panel of
Fig. 1), which therefore leads to a less enhancement of peak displayed in the right panel of
Fig. 4. For a wide dip with σλ = 0.2, the peak amplitude of Pδχ(te, k) is comparable with
the approximation (2.15) shown in the left panel of Fig. 2. However, the shapes of Pδχ(te, k)
are still distinct, due to the effect arising from λ,φ. We notice that the first dip prior to the
growth becomes shallower (σλ = 0.1) or even disappears for a wider dip (σλ = 0.2). This
trend results from the fact that the condition (2.19) occurs at an earlier time for a larger
σλ (see the right panel of Fig. 1), which results in the growth of “decaying mode” in δχ. It
dominates over the constant mode at an earlier time (corresponding to a smaller k). This
fact can also be observed from the slopes of Pδχ(te, k) in the small-k region for σλ = 0.1 and
σλ = 0.2, such that the growth of Pδχ(te, k) becomes earlier. Additionally, both cases display
a broader second dip, which is caused by the fact that the positively large total friction term
with a larger σλ lasts for a longer time, as shown in the right panel of Fig. 1.

2.2 Post-inflation dynamics

In what follows, we shall examine the dynamics during the post-inflation phase, namely from
the end of inflationH = Γφ to the curvaton’s decayH = Γχ. Here, we adopt the sudden-decay
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approximation for simplicity, such that the energy transfer between the radiation and curvaton
is negligible until H = Γχ, such that χ decays to radiation completely and instantly (on the
total uniform density hypersurface). To systematically deal with the non-linear evolutions
of curvaton perturbation δχ, we apply the δN formalism [46–49] to analytical estimates and
numerical calculations of the superhorizon curvature perturbations in the post-inflation phase.

2.2.1 δN formalism

The δN formalism is a powerful tool that enables us to analytically calculate the nonlinear
evolutions of scalar perturbations on large scales by solely solving the background equations
without any knowledge of complicated perturbation dynamics. This formalism establishes a
connection between the superhorzion curvature perturbation on the uniform-density hypersur-
face and the perturbation in e-folding number between the initial spatially-flat hypersurface
Σs(ti) and the final uniform-density hypersurface Σu(tf ), namely

ζ(tf ,x) = N(ti, tf ;x)− N̄(ti, tf ) , (2.21)

where N̄ measures the homogeneous expansion from Σs(ti) to Σs(tf ), while N refers to the
local expansion from Σs(ti) to Σu(tf ). The non-linear definition of ζ without imposing δρ = 0

is given by [48], ζ ≡ −ψ + 1
3

∫ ρ(t,x)
ρ̄(t)

dρ̃
ρ̃+P (ρ̃) along with the parametrization of the full spatial

metric gij(t,x) = a2(t)e2ψ(t,x)γij , where ψ is the non-linear generalization of the linear metric
perturbation Φ shown in Eq. (2.6). In the δN formalism (2.21), the final time tf should
be chosen as a moment such that our Universe has already reached the adiabatic limit, i.e.,
ζ is time-independent afterward. Hence, we choose tf as the curvaton’s decay since ζ is
conserved after tdec with a single matter component (radiation) existing in the Universe. For
the initial time ti, we choose it to be the end of inflation te instead of the horizon-crossing
usually adopted in other literature (e.g., [28, 32, 38, 50–52]), since all the scales of interest are
well outside the horizon at te and the curvaton field χ has the non-trivial evolution between
the horizon-crossing to the end of inflation for non-quadratic potentials [38]. The underlying
reason that one can choose the initial time to start the δN calculation “at will” is due to
the intriguing property of the δN formalism (2.21), such that it is independent of the initial
hypersurface. More importantly, the δN formalism states that one can write the Taylor
expansion of the final superhorizon curvature perturbation on Σs(ti) as

ζ(x) = N,φaδφ
a +

1

2
N,φaφb

[
δφaδφb − 〈δφaδφb〉

]
+O(δφ3) , (2.22)

where the summation is implied with repeated indices of φa. For notational simplicity, we
drop the time arguments on both sides, and one should keep in mind that all the derivatives
and field perturbations are evaluated on the initial hypersurface Σs(ti). On the other hand,
the local non-Gaussianity of curvature perturbations is described in the following form,

ζ(x) = ζg(x) +
3

5
fNL

[
ζ2
g (x)− 〈ζ2

g (x)〉
]

+O(ζ3
g ) , (2.23)

where ζg(x) is the Gaussian part of ζ(x) satisfying the ensemble average 〈ζg〉 = 0. Hence,
matching Eq. (2.23) with Eq. (2.22), one immediately obtains the following relations,

Pζ = (N,φ)2 Pδφ + (N,χ)2 Pδχ , (2.24)

fNL =
5

6

(N,φ)2N,φφ + (N,χ)2N,χχ[
(N,φ)2 + (N,χ)2

]2 . (2.25)
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In the above steps, δφ and δχ are assumed to be uncorrelated random fields at the time of
interest. In the following calculations, we also assume that the curvaton field perturbation
δχe ≡ δχ(te) is Gaussian, which is reasonable since χ is assumed to be a light field during
inflation, and its field perturbation δχ should be scale-invariant and Gaussian during inflation
[53].

In what follows, we shall apply the formalism developed in Ref. [38] to our mixed
scenario, which is suitable for a general curvaton’s potential. The most crucial conclusion
presented in Ref. [38] is that the statistical properties of curvature perturbations receive the
potentially significant correction from the non-uniform onset of curvaton’s oscillation, that
typically arises in non-quadratic potentials. The onset of the curvaton’s oscillation is naturally
defined as a moment when the time scale of the curvaton rolling becomes comparable to the
Hubble time [38], namely Hosc ≡ |χ̇/χ|, instead of the usual uniform one Hosc = mχ for a
quadratic potential. In the period (te, tosc), the radiation is still dominant, and the Hubble
friction term is much stronger than the curvaton’s mass term, so that one can use the slow-roll
approximation to the curvaton’s evolution in this period [38],

5Hχ̇ ' −V,χ , (2.26)

which is subject to the condition |V,χχ/5H2| � 1 that holds during the period (te, tosc) and
Ḣ/H2 = −2 during the radiation-dominated era. With above preparations, the Hubble
parameter at tosc is identified as a unique function of χosc,

H2
osc '

V,χ(χosc)

5χosc
=

1

5χosc
fam

2
χ sin

(
χosc
fa

)
, (2.27)

which is consistent with H2
osc ' m2

χ in the small-field limit χosc � fa for the axion-like
potential (2.2). Integrating Eq. (2.26), one can obtain the non-linear evolution of the curvaton
field in the period (te, tosc),

∂χosc
∂χe

=
1

1− Y (χosc)

V,χ(χosc)

V,χ(χe)
, (2.28)

where Y (χosc) ≡ 1
4

(
χoscV,χχ(χosc)
V,χ(χosc)

− 1
)

= χosc cot(χosc/fa)−fa
4fa

, and we solve Eq. (2.28) as

ln

∣∣∣∣tan(θosc/2)

tan(θe/2)

∣∣∣∣ = − θosc
4 sin θosc

, (2.29)

which is shown by the solid blue curve in the left panel of Fig. 5, and its asymptotic behavior
can be written as

θosc ' θe − 0.286θ2
e + 0.086θ4

e − 0.012θ6
e + 0.0006θ8

e , (2.30)

where θ ≡ χ/fa. Note that this asymptotic expansion is consistent with the fact that the
non-linear evolution disappears in the small-field limit θe → 0, namely θosc → θe, in contrast
to the approximation used in Ref. [38]. The asymptotic expansion (2.30) performs better
compared to our numerical results of the power spectrum and non-Gaussianity (see the solid
blue curve shown in Fig. 6).

In order to calculate the statistical properties of the final curvature perturbation using
the δN formalism (2.24), we need to know the total homogeneous e-folding number from te
to tdec, namely N ≡ ln adec

ae
, and it is divided into two parts,

N = Nosc +Ndec , (2.31)
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Figure 5. Left panel: The curvaton field value θosc as a function of θe for the axion-like potential
(the solid blue curve) and for the quadratic potential (the red dashed curve), respectively. Right
panel: The function F (θe, θosc) (the solid blue curve), defined in Eq. (2.37), describes the deviation of
curvaton power spectrum from the quadratic potential (the red dashed line) in terms of the non-linear
evolution of χ shown in the left panel.

where Nosc = ln aosc
ae

= 1
4 ln ρer

ρoscr
and Ndec = ln adec

aosc
= 1

4 ln ρoscr
ρdecr

. Using the Friedmann equation
3M2

PlH
2
osc = ρoscr at the onset of the curvaton oscillation and ρdecχ = ρoscχ e−3Ndec , along with

Eqs. (2.27) and (2.28), one can calculate the first and second derivatives of the total e-folding
number N as

N,χe =
α

3faθosc

sin θosc (4θosc + θosc cos θosc + 3 sin θosc)

sin θe (5 sin θosc − θosc cos θosc)
, (2.32)

N,χeχe =
α

9f2
a

(4θosc + θosc cos θosc + 3 sin θosc)
2 sin2 θosc

θ2
osc sin2 θe(−5 sin θosc + θosc cos θosc)2

×

{
(1− α)(α+ 3) +

1

3 + 4θosc cot θosc2 − 3θosc

[
− 3θosc csc θosc cos θe (5− θosc cot θosc)

+ 12θosc cot θosc + 12θosc
cot θosc − θosc csc2 θosc

5− θosc cot θosc

+
3
(
−2θ2

osc − 8θ2
osc cos θosc + 3 cos(2θosc)− 3

)
csc θosc

2 sec θosc
2

4θosc + 3 sin θosc + θosc cos θosc

]}
, (2.33)

where we defined

α ≡ 3ρχ
3ρχ + 4ρr

∣∣∣
dec

(2.34)

to characterize the relative density fraction of curvaton at its decay, and manifestly 0 ≤ α ≤ 1.
It is straightforward to check that if we set the uniform-oscillation condition, namely ρoscχ =
m2
χχ

2
osc and Hosc = mχ, the above expressions (2.32) and (2.33) reduce to the results found

in Ref. [50]: N,χe = 2αg,χe/(3g) and N,χeχe = 2α/9
[(

3− 4α− 2α2
)

(g,χe/g)2 + 3g,χeχe/g
]
.

Note that the g function here can characterize the non-linear evolution of χ from te to tosc,
which is the case for a non-quadratic potential as we have seen in the left panel of Fig. 5.
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Finally, we derive the final curvature power spectrum Pζ(tdec, k) and the non-linear
parameter fNL at tdec using Eqs. (2.24) and (2.25), respectively,

Pζ(tdec, k) = Pδφ(te, k) + (N,χe)
2Pδχ(te, k)

= Pδφ(te, k) +

[
2α

3faθosc
F (θe, θosc)

]2

Pδχ(te, k) , (2.35)

fNL =
5

6

N,χχ

(N,χ)2 , (2.36)

where
F (θe, θosc) ≡

sin θosc (4θosc + θosc cos θosc + 3 sin θosc)

2 sin θe (5 sin θosc − θosc cos θosc)
(2.37)

is defined to describe the deviation from the quadratic potential in terms of the non-linear
evolution of χ during the period (te, tosc) for the axion-like potential (2.2). This deviation
becomes larger when χe approaches the hilltop of the axion-like potential [38], as shown by
the solid blue curve in the right panel of Fig. 5. Since the curvaton oscillation epoch will be
significantly delayed, causing more contribution to N,χe and N,χeχe . From the left and right
panels of Fig. 6, our analytic results (solid blue curves) are comparable to the numerical results
(the numerical method will be presented later) and perform better than the analytic formulas
used in Ref. [52]. Meanwhile, to satisfy the constraint on fNL, namely fNL = −0.9 ± 5.1
(Planck 68% confidence level) [54], χe must be away from πfa. It follows from the right panel
of Fig. 6 that the curvaton field value at the end of inflation lies in the range 0 < θe . 3
for α → 1. It is also known that fNL would be significantly enhanced if the curvaton is still
subdominant when it decays [38]. Hence, the current constraint on fNL favors α→ 1, namely
the curvaton already dominates when it decays. In addition, the perturbativity condition also
suggests the smallness of fNL [55, 56]. For the above considerations and simplicity, we do not
consider the non-Gaussianity in our model, and the curvaton field value is thus determined
from the right panel of Fig. 6 such that θe ' 2. Consequently, there is a slight difference in
the peak amplitude of Pζ(tdec, k) for the axion-like and quadratic curvaton potentials, see the
right panel of Fig. 5 and the left panel of Fig. 6.

It follows from the left panel of Fig. 6 and the expression (2.35), the peak of the final
curvature spectrum Pζ(tdec, k) is thus approximately enhanced by a factor 10−1(MPl/fa)

2

compared to the peak of Pδχ(te, k) shown in Fig. 2. The left panel of Fig. 2 also implies
that Pζ(tdec, k) on large scales will be dominated by δχ if 10−1(MPl/fa)

2 > 103, namely
fa < 10−2MPl, which is favored by the concrete particle models [32, 52]. Hence, we focus
on this parameter region in this paper, namely the final curvature power spectrum on all
scales are dominated by the contribution from the curvaton, and consequently, two dips of
Pδχ(te, k) shown in Fig. 2 and Fig. 4 also display to some extent in the final curvature spectra
Pζ(tdec, k) as shown in Fig. 7.

2.2.2 Numerics of post-inflation dynamics

Employing the sudden-decay approximation, the full background equations are written as

3M2
PlH

2 = ρr + ρχ , (2.38)

ρχ =
1

2
χ̇2 + Vcur(χ) , (2.39)

ρ̇r + 4Hρr = 0 , (2.40)
χ̈+ 3Hχ̇+ Vcur,χ = 0 . (2.41)
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Figure 6. Left panel: The first derivative of e-folding number (N,θe)
2 as a function of θe. Right

panel: The non-linear parameter fNL in terms of θe and the shadowed region arises from the Planck
constraint fNL = −0.9±5.1 [54]. In both panels, The black/blue solid and red dashed curves represent
our numerical results, analytic formulas based on (2.32) and (2.33) and analytic formulas for the
quadratic potential, respectively.

Taking the change of variables, namely N = ln a(t) and x ≡ mχt, we obtain two independent
equations [57],

N ′ =

{
Ae−4N +B

[
1

2
(θ′)2 + Ṽ (θ)

]}1/2

, (2.42)

θ′′ + 3N ′θ′ +
dṼ (θ)

dθ
= 0 , (2.43)

where the prime denotes the derivative with respect to x, and Ṽ (θ) ≡ Vcur(χ)/(f2
am

2
χ) =

1− cos θ, A ≡ ρr,e
3M2

Plm
2
χ
and B ≡ f2a

3M2
Pl
. Here ρr,e is the radiation energy density at the end of

inflation. The numerical results of N,θe and fNL are shown by black thick solid curves in Fig.
6. Then, we derive the final curvature spectrum Pζ(tdec, k) as shown in Fig. 7, in terms of four
sets of parameters: {φdip/MPl = 4.8, σλ = 0.01} (the blue curve); {φdip/MPl = 4.5, σλ = 0.01}
(the black curve); {φdip/MPl = 5.0, σλ = 0.01} (the purple curve); {φdip/MPl = 4.8, σλ = 0.1}
(the green curve), and the rest parameters are the same with Fig. 2.

The spectral index ns − 1 ≡ d lnPζ/d ln k of Pζ(tdec, k) can also derived from the δN
formalism [38, 52],

ns − 1 ' 2

3

V,χeχe(χe)

H2
inf

+ 2
Ḣinf

H2
inf

=
2

3

m2
χ

H2
inf

cos θe + 2
Ḣinf

H2
inf

. (2.44)

where we have used the slow-roll approximation during inflation, namely d ln k/dt ' Hinf at
the horizon crossing k = aH and 3Hinfχ̇e ' −V,χe(χe) at the end of inflation. Since curvaton
is light (typically mχ/MPl = 10−8 in our model), the first term in the right-hand side of
Eq. (2.44) is thus negligible on CMB scales compared to the second term contributed by
Starobinsky inflaton. Hence, our curvaton model is free from the constraint on ns provided
by CMB experiments.
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Figure 7. The numerical results of final curvature power spectrum Pζ(tdec, k) at the curva-
ton’s decay in terms of four set of parameters: {φdip/MPl = 4.8, σλ = 0.01} (the blue curve);
{φdip/MPl = 4.5, σλ = 0.01} (the black curve); {φdip/MPl = 5.0, σλ = 0.01} (the purple curve);
{φdip/MPl = 4.8, σλ = 0.1} (the green curve), and the rest parameters are the same with Fig. 2.
The current constraints on PR(k) from Planck [1], Lyman-α [58], FIRAS [59] and PTA [23] are shown
by the shadowed regions, while the grey dashed line refers to PR ∼ 10−2 in order to produce an
abundance of PBHs.

3 Primordial black holes and scalar-induced gravitational waves

3.1 PBH formation

The above section shows that the small-scale curvature perturbations can be enhanced in the
non-minimal curvaton scenario. These large curvature perturbations give rise to overdense
regions δ ≡ δρ/ρ during the radiation-dominated era (after the curvaton’s decay), leading to
gravitationally collapse into PBHs if their sizes are larger than the Jeans scale, or the density
perturbation exceeds the threshold δc of the collapse which is taken as 0.51 in this paper (it
is suggested by Ref. [60] that 0.4 . δc . 0.7). According to the first-order cosmological
perturbation theory, the density perturbation is related to the curvature perturbation on
superhorizon scales as

δk ' −
4

9

(
k

aH

)2

ζk , (3.1)

The initial PBH mass function β(M) at the formation epoch is defined as
∫
β(M)d lnM ≡

ρPBH/ρc, where ρPBH and ρc are energy densities of PBHs and radiation background at
the PBH formation epoch, respectively. It is customary to estimate β(M) using the Press-
Schechter formalism [61],

β(M) = 2

∫ ∞
δc

P (δR)dδR = erfc
[

δc√
2σR

]
, (3.2)

where erfc is the complementary error function, and we apply the Gaussian distribution
function of density fluctuations P (δR) = 1√

2πσR
exp

(
−δ2

R/(2σ
2
R)
)
in the above equation (3.2).

δR refers to the smoothed density field, namely δR(x) ≡
∫

d3yW (x−y;R)δ(y), whereW (x−
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x′;R) is a window function with a smoothing comoving scale R and the mass enclosed by this
smoothing volume reads M ≡ 4π

3 ρc(aR)3. In the context of PBH formation, the comoving
smoothing scale is customarily chosen as the comoving Hubble radius, namely R = (aH)−1.
The PBH formation mass is related to the Horizon-crossing k mode of density perturbation,
M 'M�

(
k/1.9× 106 Mpc−1

)−2 [62]. In this paper, we choose the real-space top-hat window
function:

W (kR) =
1

(2π)3/2

3 [sin(kR)− kR cos(kR)]

(kR)3
. (3.3)

The variance of the smoothed density field is calculated as σ2
R = 1

(2π)3

∫
d ln kW (kR)2Pδ(k),

where Pδ(k) = 16
81

(
k
aH

)4 Pζ(k) by using Eq. (3.1). Assuming the adiabatic background
expansion after PBH formation, one can relate β(M) to the current energy fraction [62] as
below,

fPBH(M) ' 2.7× 108

(
M

M�

)−1/2

β(M) . (3.4)

We plot fPBH(M) in Fig. 8 in terms of three spectra (blue, black and purple curves) shown
in Fig. 7, and the power spectrum shown by the green curve only produce small fraction of
PBHs that is not shown in Fig. 8. Note that the produced PBH fraction shown by the black
curve is able to account for the whole dark matter.
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Figure 8. The current PBH abundance fPBH in terms of three sets of parameters corresponding to
the spectra (the black, blue and purple curves) shown in Fig. 7, with various constraints on fPBH
adopted from Ref. [6].

3.2 Scalar-induced gravitational waves

Besides the PBHs potentially produced from these enhanced small-scale curvature pertur-
bations, another important physical phenomenon is the generation of sizable GWs, namely
the SIGWs. According to the second-order cosmological perturbation theory [63, 64], the
second-order tensor modes (i.e., hij defined in Eq. (2.6)) are inevitably induced through the
non-linear coupling between different modes of the first-order scalar modes (i.e., Φ defined in
Eq. (2.6)). SIGWs have been attracting numerous attention in the context of PBH formation
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(see the comprehensive reviews [19, 62, 65]), which open a promising GW observational win-
dow for detecting PBHs along with the currently operating and forthcoming GW experiments
including, for example, NANOGrav [66], LISA [67], SKA [68], Taiji [69], DECIGO [70] and
BBO [71].

The dynamics of SIGWs are given by the second-order perturbative Einstein’s field
equation,

hλ′′k (τ) + 2Hhλ′k (τ) + k2hλk(τ) = Sλk(τ) , (3.5)

where the source term Sλk(τ) during the radiation domination is given by

Sλk(τ) = 4

∫
d3p

(2π)3/2
eλ(k,p)

[
3Φp(τ)Φk−p(τ) +H−2Φ′p(τ)Φ′k−p(τ)

+H−1Φ′p(τ)Φk−p(τ) +H−1Φp(τ)Φ′k−p(τ)
]
,

(3.6)

where eλ(k,p) ≡ eλlm(k)plpm. Applying the Green function method, namely hλk(τ) =
∫ τ

dτ ′gk(τ, τ
′)Sλk(τ ′),

to Eq. (3.5), one yields the total power spectrum for SIGWs including two polarizations,

Ph(τ, k) =

∫ ∞
0

dv

∫ |1+v|

|1−v|
du

[
4v2 − (1 + v2 − u2)2

4uv

]2

I2(v, u, x)Pζ(ku)Pζ(kv) . (3.7)

where u ≡ |k−p|/k, v ≡ p/k and x ≡ kτ . The kernel function I2(v, u, x) describes the source
evolution and is calculated at the large-x limit [72, 73],

I2(v, u, x→∞) =4

(
3(u2 + v2 − 3)

4u3v3x

)2 [(
− 4uv + (u2 + v2 − 3) ln

∣∣∣∣3− (u+ v)2

3− (u− v)2

∣∣∣∣ )2

+ π2(u2 + v2 − 3)2Θ(v + u−
√

3)

]
,

(3.8)

where the overline denotes the time average. With the canonical definition of GW’s energy
density [74–78], namely ρGW(τ,x) =

M2
pl

16a2(τ)
〈h′ij(τ,x)hij ′(τ,x)〉9, the GW energy spectrum is

written in the following form,

ΩGW(τ, k) =
1

48

(
k

aH

)2

Ph(τ, k) . (3.9)

The GW energy density starts to decay relative to matter after the radiation-matter equality
τeq, the GW spectrum observed today is given by [79]

ΩGW(τ0, f)h2 ' 1.6× 10−5
( g∗,s

106.75

)−1/3
(

Ωr,0h
2

4.1× 10−5

)
ΩGW(τeq, f) , (3.10)

where ΩGW(τeq, f) can be calculated by Eq. (3.9) at the radiation-matter equality, with the
physical frequency f = k/(2πa0) ' 1.5× 10−9(k/1 pc−1) Hz. Since the scalar perturbations
damp quickly inside the subhorizon during radiation, a majority of SIGWs is produced just
after the source reenters the horizon [73]. ΩGW(τ0, f) predicted in our model along with
various GW sensitivity curves are shown in Fig. 9, in terms of three curvature power spectra
(the black, blue and purple curves) shown in Fig. 7.

9Note that the prefactor 1/2 in the metric perturbations (2.6) is also counted in the total GW energy.
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Figure 9. The current energy spectra ΩGW(τ0, f) corresponding to three curvature spectra (the
black, blue and purple curves) shown in Fig. 7, along with various GW experiments shown in Ref.
[80].

4 Conclusion

In this paper, we revisit the growth of comoving curvature perturbations in non-minimal
curvaton scenario. With the detailed analytical and numerical calculations, we identify the
role of the non-trivial field metric as an effective friction term (i.e., Eq. (2.16)) for curvaton
field perturbations, such that the curvaton field perturbations will grow during inflation when
the condition (2.19) is satisfied, with the same reason of the enhancement in USR inflation.
Besides the superhorizon growth and a dip prior to this growth in the curvaton perturbation
spectrum, we also observed a second dip following the enhancement, which arises from the
positively large effective friction term. We thus conclude that the growth of curvaton field
perturbations during inflation is not merely determined by the depth of the dip but also
strongly affected by its shape. For a case study, we consider a Gaussian-like dip in the field
metric. After performing the numerical calculations regarding various depths and widths of
the field metric, we confirmed the above conclusion.

Following the formalism presented in Ref. [38], we investigate the post-inflation dynamics
in detail and derive the analytical formalism of the curvature power spectrum and non-
Gaussianity at the curvaton’s decay in terms of the axion-like curvaton potential. Also, we
perform the full numerical calculations for both inflationary and post-inflation dynamics to
derive the final curvature spectrum and non-Gaussianity. The current PBH abundance in this
model is large enough to explain the whole dark matter. The concomitant SIGW signals are
detectable by current and forthcoming GW experiments, which serve as a promising approach
for detecting PBHs.
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ABSTRACT

We present time-frequency analysis, based on the Hilbert–Huang transform (HHT), of the evolution

on the low-frequency quasi-periodic oscillations (LFQPOs) observed in the black hole X-ray binary

MAXI J1820+070. Through the empirical mode decomposition (EMD) method, we decompose the

light curve of the QPO component and measure its intrinsic phase lag between photons from different

energy bands. We find that the QPO phase lag is negative (low energy photons lag behind high

energy photons), meanwhile the absolute value of the lag increases with energy. By applying the

Hilbert transform to the light curve of the QPO, we further extract the instantaneous frequency and

amplitude of the QPO. Compared these results with those from the Fourier analysis, we find that the

broadening of the QPO peak is mainly caused by the frequency modulation. Through further analysis,

we find that these modulations could share a common physical origin with the broad-band noise, and

can be well explained by the internal shock model of the jet.

Keywords: X-rays: binaries – X-rays: individual: MAXI J1820+070 – Accretion

1. INTRODUCTION

Low-frequency quasi-periodic oscillations (LFQPOs)

with frequencies ranging from a few millihertz to ∼30

Hz have been found in most transient black hole X-ray

binaries (Motta et al. 2015; Motta 2016; Belloni 2010;

Ingram & Motta 2019). These oscillations are appro-

priately named to reflect their finite-width peaks, usu-

ally described by multi-Lorentzian components (Belloni

et al. 2002; Rao et al. 2010), in the Fourier power spec-

tra of their X-ray light curves. LFQPOs are believed to

originate from the inner part of the accretion flow, how-

ever, the physical mechanism is still not well understood.

Theories about the origin of LFQPOs can be generally

divided into two broad categories: intrinsic models asso-

ciated with wave modes of the accretion flow (Tagger &

Corresponding author: Qing-cui Bu

bu@astro.uni-tuebingen.de

Pellat 1999; Cabanac et al. 2010) and geometric effects

such as relativistic precession of the inner hot flow or

the jet due to a misalignment of the black hole spin axis

and the binary orbital axis (Stella & Vietri 1997; Stella

et al. 1999; Ingram et al. 2009).

The LFQPO’s broad peak implies that the corre-

sponding X-ray light curve is not strictly periodic and

could be caused by a modulation with varying frequency

or amplitude (Ingram & Motta 2019). Since in the

framework of Fourier analysis, the Fourier frequencies

are defined as constant over the entire time, it doesn’t

give information of the variability of frequencies. There-

fore, time-frequency analysis techniques are required to

study the origin of the QPO peak broadening. One pos-

sible method to investigate the variation of QPO pe-

riod is the Hilbert–Huang transform (HHT) proposed

by Huang et al. (1998). The HHT is a powerful tool

for analyzing phenomena with non-stationary periodic-

ity and has been successfully applied in astronomical re-

search, such as for the QPO in the active galactic nucleus
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Figure 1. Left: Insight-HXMT lightcurves of MAXI J1820+070 from HE (27–150 keV), ME (10–30 keV) and LE (1–10 keV),
extracted from the rising hard state during its 2018 outburst from MJD 58191 to 58286. Right: The corresponding hardness-
intensity diagram, with the intensity defined as the total count rate of 1–10 keV and hardness defined as the ratio between the
count rates from the hard band (3–10 keV) and the soft band (1–3 keV). The six epochs selected for our study are highlighted
in different colours.

RE J1034 + 396 (Hu et al. 2014) and the ∼4 Hz QPO

observed in the black hole X-ray binary XTE J1550-

564 (Su et al. 2015). The HHT is used to decompose a

non-stationary signal into basis components and trans-

form these components into instantaneous frequencies

and amplitudes. The basis components are not based

on any strictly mathematical form and are derived by

the signal itself. In contrast, the Fourier and wavelet

analysis decompose a signal based on trigonometric and

wavelet functions, respectively. The instantaneous fre-

quency, which is different from that in the Fourier anal-

ysis, is defined as the time derivative of the phase func-

tion. Therefore, the Hilbert spectrum can provide de-

tailed information in both time and frequency domains.

It is worth mentioning that the HHT method is based

on the assumption that the signals are additive in the

time domain. This means that the original signal can be

expressed as the sum of basis components. Thus, HHT

cannot be applied to multiplied or convoluted signals.

The LFQPO phase lag has been commonly detected in

black hole X-ray binaries and has provided insights into

the geometry and the radiation processes of the accre-

tion flow. However, the phase lag directly measured at

the QPO frequency using the lag-frequency spectrum is

not the intrinsic lag because of the interference brought

from the underneath strong band-noise (Ma et al. 2021;

Zhou et al. 2022). By using the HHT method, we are

able to extract the independent light curve of QPO,

which further allows us to measure the intrinsic phase

lag of the QPO. This method has been applied to GRS

1915+105 to study the phase lag of LFQPOs (van den

Eijnden et al. 2016), and makes great sense to probe the

origin of the QPO.

MAXI J1820+070 is a low-mass BHXB, discovered

by the Monitor of All-sky X-ray Image (MAXI) on 11

March 2018. Follow-up observations were made by other

X-ray telescopes, e.g., Swift/BAT, INTEGRAL, NuS-

TAR, and NICER. QPOs have been observed in MAXI

J1820+070 in multiple wavebands, from optical (Yu

et al. 2018a,b; Zampieri et al. 2018; Fiori et al. 2018) to

hard X-ray (Mereminskiy et al. 2018). Insight-HXMT

carried out a Target of Opportunity (ToO) observation

three days after its discovery, and monitored the whole

outburst from 2018-03-14 (MJD 58191) to 2018-10-21

(MJD 58412). The high statistics and the broad en-

ergy coverage (1-250 keV) of Insight-HXMT allow us to

perform detailed timing analysis of the broadband vari-

ability, especially at high energy.

In this paper, we present the HHT-based analysis of

the time-frequency properties of the LFQPOs detected

in MAXI J1820+070. Through the HHT method, we

measured the intrinsic phase lag of the QPO and ex-

plored the origin of its peak broadening. In Section 2,

we briefly describe the Insight-HXMT observation and

the data reduction. In Section 3, we explain how to use

the HHT for adaptive decomposition of the oscillatory

component from the X-ray light curve, and present how

to obtain the instantaneous frequency and amplitude of

the QPO. The result and discussion are given in Section

4. At last, we end with our conclusion in Section 5.

2. DATA REDUCTION
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Figure 2. Representative example of a 50-s-long lightcurve from 27–150 keV and its corresponding IMFs. From the top to
bottom: the original light curve (DATA); the high-frequency noises from the summation of IMF0 to IMF2; the LFQPO (IMF3);
the low frequency noise from the summation of IMF4 to the residual.

In this work, we use data observed with Insight-

HXMT between March 14th and June 17th, 2018. We

selected six observations that span over the entire hard

state of 2018 outburst, which are highlighted in Fig. 1.

There are three telescopes onboard of Insight-HXMT:

the high-energy X-ray telescope (HE, 20–250 keV, 5,100

cm2), the medium-energy X-ray telescope (ME, 5–30

keV, 952 cm2), and the low-energy X-ray telescope (LE,

1–15 keV, 384 cm2). There are three types of Field of

View (FoV): 1◦ × 6◦ (i.e., the small FoV), 6◦ × 6◦ (i.e.,

the large FoV), and the blind FoV that is used to esti-

mate the particle induced instrumental background (see

Zhang et al. 2020, and references therein).

The data are processed with hpipeline under Insight-

HXMT Data Analysis Software (HXMTDAS) version

2.04 1. The data are filtered using the criteria recom-

mended by the Insight-HXMT team: the pointing offset

1 http://hxmten.ihep.ac.cn/SoftDoc/501.jhtml
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Figure 3. Fourier power spectra produced from the IMF0-2
(orange), IMF3 (red), IMF4-Residual (blue) and the original
light curve (black).

angle is smaller than 0.04◦; the elevation angle is larger

than 10◦; the value of the geomagnetic cutoff rigidity is

larger than 8; data are used at least 300 s before and

after the South Atlantic Anomaly (SAA) passage. To

avoid the possible contamination from the bright earth

and nearby sources, only small field of views (FoVs) are

applied. Light curves are extracted from screened files

using the HELCGEN, MELCGEN and LELCGEN

tasks. The lightcurves extracted from 1–10 keV, 10–30

keV and 27–150 keV and the hardness-intensity diagram

(HID) with the intensity defined as the total count rate

from 1–10 keV and hardness defined as the ratio between

the count rates from 3–10 keV and 1–3 keV are plot in

Fig. 1. The lightcurves are not barycentered corrected,

considering that it would not affect our results.

3. HILBERT–HUANG TRANSFORM ANALYSIS

The Hilbert–Huang transform (HHT) is a method for

analyzing nonlinear and non-stationary signals, which

consists of two major steps (Huang & Wu 2008): (1) us-

ing empirical mode decomposition (EMD) to decompose

the signal into a number of independent intrinsic mode

functions (IMFs); (2) extracting the instantaneous fre-

quencies and amplitudes of the signal by performing the

Hilbert transform of the IMFs.

3.1. Empirical Mode Decomposition

Empirical mode decomposition (EMD) is an iterative

sifting process for extracting oscillation modes by sub-

tracting the local means from the original data (Huang

et al. 1998; Huang & Wu 2008). These oscillatory modes

are IMFs. An IMF represents an oscillating wave if it

satisfies the following two requirements: (1) in the entire

data set, the number of extrema and the number of zero

crossings must either be equal or differ at most by one,

and (2) at any point, the mean value of the envelope

defined by the local maxima and the envelope defined

by the local minima is zero.

The numerical procedure to obtain those IMFs can be

concluded with the following steps:

(1) Identify all the local extrema of the data x(t), and

form the envelopes defined by the local maxima and min-

ima, respectively, with cubic splines.

(2) Compute the mean values m1(t) by averaging the

upper envelope and lower envelope, and subtract the

mean values from the data to get the first component

h1(t) = x(t) −m1(t).

(3) Test if h1(t) is an IMF. If the first component is

not an IMF, let h1(t) be the new data set. Continue the

steps (1) and (2) until the first component is an IMF.

(4) The first IMF component is called as c1(t). Let

the residual signal r1(t) = x(t) − c1(t). Continue the

steps (1)–(3) until rn(t) becomes a monotonic function

that no more IMF can be extracted.

Based on the above algorithm, the original signal x(t)

can thus be expressed as as the sum of IMFs, and the

final residual, rn(t):

x(t) =

n∑
i=1

ci(t) + rn(t) (1)

If the original time series contains intermittent pro-

cesses, the EMD may suffer from the mode mixing prob-

lem in which a modulation with the same timescale is

distributed across different IMFs (Yeh et al. 2010). In

this work, we applied a developed modified version of

the empirical mode decomposition (EMD), i.e., the fast

complementary ensemble empirical mode decomposition

(CEEMD), which can reduce the effect of the mode mix-

ing problem (Huang et al. 2009; Yeh et al. 2010; Wang

et al. 2014). The code we used is from PyEMD (v1.21),

an open-source Python package (Laszuk 2017).

3.2. Hilbert Transform

The second step of the HHT is the Hilbert transform.

After the decomposition step, the IMFs are submitted

to this process. For a given data, x(t), the Hilbert trans-

form, y(t), is defined as

y(t) =
1

π
P

∫
x(t

′
)

t− t′
dt

′
(2)

where P is the Cauchy principle value. With this def-

inition, x(t) and y(t) form the complex conjugate pair,

so we can have an analytic signal z(t) as

z(t) = x(t) + iy(t) = a(t)eiθ(t) (3)

where time-dependent amplitude a(t) and phase θ(t)

are
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a(t) =
√
x(t)2 + y(t)2 (4)

and

θ(t) = arctan
y(t)

x(t)
(5)

Therefore, the instantaneous frequency ω(t) can be

defined as

ω(t) =
dθ(t)

dt
(6)

The instantaneous amplitude a(t) can be defined by

the upper envelope of the absolute value of an IMF

(Huang et al. 2009).

4. RESULT AND DISCUSSION

4.1. Phase Lags of the LFQPO

Fig. 2 shows a representative example of a 50 s

lightcurve from 27–150 keV band with a ∼0.4 Hz

LFQPO (ObsID P0114661044). After decomposing the

lightcurve we find seven significant IMF components. A

∼ 0.4 Hz oscillation is identified as the IMF3. The high-

frequency noise (summation from IMF0 to IMF2) and

the low-frequency noise (summation from IMF4 to the

final residual) are also plotted in Fig. 2, respectively.

Using the adaptive decomposition, these zero-mean os-

cillatory components can yield physically meaningful in-

stantaneous frequencies by using the Hilbert transform

(Huang et al. 1998; Huang & Wu 2008). Since the scope

of this work is to discern QPO from noises, further in-

vestigation on decomposing each noise component is not

our goal here. Therefore, in the following part, we will

focus on the study of the IMF3, i.e., the LFQPO. Fig. 3

shows the average Fourier power spectrum of these com-

ponents.

QPO is known to be energy dependent. One way to

study the energy-dependence of the QPO is to track

its phase lag. As mentioned above, the phase lag di-

rectly measured at the LFQPO frequency from the

lag-frequency spectrum is not the intrinsic phase lag.

The strong broadband noise would bring an underlying

phase-lag continuum that interferes with the measure-

ment of the QPO phase lag (Ma et al. 2021; Zhou et al.

2022). Through the HHT method, we obtain the inde-

pendent light curve of LFQPO (IMF3), which allows us

directly measure the QPO intrinsic phase lag without

introducing interference from the broad band noise. We

decompose the light curves from multiple energy bands

and calculate their instantaneous phases through HHT.

In order to visualize showing the phase lag of QPO, we

plot the superimposed QPO light curves from the 1–2.6

keV and 100–150 keV energy bands, respectively (see

Fig. 4 left panel). We find that the QPO shows a strong

soft lag, i.e., the soft photons lags the hard ones.

By calculating the cross-correlation function, we find

that there is a soft lag around 0.4 rad between 1–2.6

keV and 100–150 keV (see Fig. 4 right panel). This is

opposite to the result given by cross-spectrum in the fre-

quency domain, which shows a hard lag. Fig. 5 shows

the QPO phase lag as functions of energy, in which the

phase lag directly measured at the LFQPO frequency

from the lag-frequency spectrum is referred to as the

original phase lag, and the phase lag measured through

the HHT method is referred to as the intrinsic phase

lag. We can see that the absolute value of the intrinsic

soft lag increases with increasing energy, from 0 rad to

∼ 0.4 rad. Similar results have also been found in Ma

et al. (2021), in which the phase lags were calculated by

subtracting the average lag of the band-noise from the

original QPO phase lag in the lag-frequency spectrum.

We quantitatively compare the intrinsic phase lags cal-

culated by these two methods. As shown in the right

panel of Fig. 5, both methods yield similar trends of

the lag-energy relation. However, the absolute soft lags

obtained with HHT method are different from those ob-

tained with the method from Ma et al. (2021). There is a

possible reason for these differences. The method of Ma

et al. (2021) is based on the assumption that QPO and

noise components are convolutional in the time domain

(Zhou et al. 2022), but EMD is based on the additive

relationship between different signals. According to the

simulation of Zhou et al. (2022), the phase lags are dif-

ferent for the two cases. The relationship between QPO

and band-noise is still unclear, but for both the addition

and convolution assumptions, similar soft phase lags are

observed. This may indicate that the relationship be-

tween QPO and noise in the time domain is more com-

plex, such as partially convolutional and partially addi-
tive. Ma et al. (2021) explained the phase lag behavior

of the QPO by employing a compact jet with preces-

sion. In this scenario, the high-energy photons come

from the bottom part of the jet closer to the black hole,

while the precession of the compact jet gives arise to the

QPO and allows the high-energy photons to reach the

observer first, resulting in a soft lag. This scenario also

applies to our results.

4.2. Modulation of LFQPO

After measuring the phase lag of the QPO, we move to

the second step of the HHT algorithm: using the normal-

ized Hilbert transform (Huang et al. 2009) to extract the

instantaneous frequency and amplitude of IMF3. Fol-

lowing Huang et al. (2009), we define the instantaneous

amplitude of the IMF as the cubic Hermite spline enve-
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Figure 7. Instantaneous frequency and amplitude of the LFQPO from MAXI J1820+070. The black lines are the simulated
light curves.

lope of the local maxima of the absolute values of IMF3.

In contrast to the Fourier and wavelet analysis, the cal-

culation of the frequency in HHT is a differentiation over

local time domain. Therefore, we can obtain the instan-

taneous frequency of a signal as long as the sampling

time interval, dt, is much shorter than the cycle length.

This makes it possible for us to explore the origin of the

broadening of the peak of LFQPO.

The typical instantaneous frequency and amplitude

are shown as the color map for the Hilbert spectrum in

Fig. 6, calculated for the time interval from 0 to 20 s.

The color depth represents the magnitude of the am-

plitude. Fig. 7 shows more detailed instantaneous fre-

quency and instantaneous amplitude information. We

see that there are oscillations in both the instantaneous

amplitude and the instantaneous frequency of the QPO,

which cause the QPO to be quasi-periodic. But with

the current information, we cannot tell which kind of

the oscillation is dominant. To explore this, we gener-

ate two simulated light curves using the instantaneous

amplitude and frequency information (Fig. 7). One of

the light curves only includes the frequency modulation,

leaving the amplitude be constant. The other light curve

only includes the amplitude modulation, leaving the fre-

quency remain at the center frequency of the QPO.

Next, we perform Fourier transform on these two light

curves to produce their power density spectra (PDS),

as shown in Fig. 8. For better comparison, the figure

also includes the PDS generated from the original QPO

light curve. As shown in the figure, the effect of fre-

quency modulation (orange) on QPO broadening is sig-

nificantly stronger than that of amplitude modulation

(navy). This suggests that frequency modulation plays

a major role in the broadening of the peak of LFQPO.
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Figure 8. The power density spectra (PDS) of FM (orange),
AM (navy) simulated light curves and the original (green)
QPO light curve (IMF3).

According to the simulation from Ingram & Motta

(2019), if the quasi-period of QPO is dominated by fre-

quency modulation, then its fundamental frequency and

harmonic frequency of QPO should have the same Q

factor. On the contrary, if it is dominated by ampli-

tude modulation, then the fundamental and harmonic

frequencies of the QPO should have the same width.

By fitting the original power spectrum, we find that the

Q-factors of the QPO fundamental and second harmonic

are 5.5± 0.1 and 5.7± 0.2, suggesting a frequency mod-

ulation. Combined these results with those we get from

the HHT, we conclude that the quasi-periodic of QPO

in MAXI J1820+070 is mainly caused by the frequency

modulation.

4.3. Origin Of Modulation
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To explore the origin of the modulation, we calcu-

late the power spectra of instantaneous frequency and

instantaneous amplitude, respectively (see Fig. 9). We

find that both them show a shape similar to that of

broad-band noise, implying that the modulation is not

caused by a completely random process. To verify this,

we decompose more observation light curves from the

hard state, which are colored marked in Fig. 1. By fit-

ting the power spectrum with multiple Lorentzian func-

tions, we get the cut-off frequency for each component.

As shown in Fig. 10, there is a strong linear correlation

between the timescale of the frequency/amplitude mod-

ulation and the broad-band noise. This may suggest

that the modulation of QPO may have a common origin

with broad-band noise.

To further investigate what leads to the modulation,

we first need to understand how the QPO originates.

The origin of QPO has been studied for a long time,

and several models have been proposed. One of the most

accepted models is the Lense-Thirring (L-T) precession

model, which assumes that QPO is generated by the

relativistic precession of an inner accretion flow (Ingram

et al. 2009; You et al. 2018, 2020) or a jet (Ma et al.

2021).

For the first case, the modulation may come from the

fluctuation propagation in the hot accretion flow. The

inward propagation of the fluctuations causes changes

in the surface density of the accretion flow, thus alter-

ing the hot flow’s moment of inertia and inducing the

precession frequency jitters. Besides, the fluctuations

propagation model (Lyubarskii 1997; Ingram & Done

2012; Ingram 2016; Mushtukov et al. 2019) is also widely

used to explain the broad-band noise in the power spec-

trum (Rapisarda et al. 2014, 2016; Ingram 2016; Rapis-

arda et al. 2017a,b; Turner & Reynolds 2021; Yang et al.

2022). Thus, it can naturally explain why the modula-

tion has a shape similar to that of the broad-band noise

in the PDS. However, this explanation has its shortcom-

ings. Fluctuations propagation can generate not only

low-frequency noise, but also high-frequency noise. We

observed both low-frequency and high-frequency noises

in the power spectrum, but only low-frequency modula-

tion was observed. This cannot be well explained under

the fluctuations propagation model.

As for the second case, it assumes that the QPO is

generated by the precession of a jet. The modulation

can be explained by the internal shock model of the

jet (Rees 1978; Spada et al. 2001; Boettcher & Der-

mer 2010). In this model, shells of gas are continuously

ejected with randomly variable velocities and then prop-

agate along the jet. At some points, the fastest fluctua-

tions start catching up and merging with slower ones.
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Figure 9. The power density spectra (PDS) of the instan-
taneous frequency and instantaneous amplitude curves for
IMF3.

This leads to the formation of shocks in which elec-

trons are accelerated up to relativistic energies. Malzac

(2014) have shown that internal shocks caused by fluc-

tuations of the outflow velocity can produce shapes on

the power spectrum that resemble low-frequency broad-

band noise. The jet behaves like a low-pass filter, as the

shells of plasma colliding and merging with each other,

the highest frequency velocity fluctuations are gradually

damped and the size of the emitting regions increases

(Malzac 2014). This model can well explain the absence

of high frequency modulation. Moreover, the jet pre-

cession model can also naturally explain the large soft

phase lags of QPO (Ma et al. 2021).

5. CONCLUSION

In this paper, we performed the HHT analysis of the

LFQPOs in MAXI J1820+070. With the EMD method,

we are able to extract the independent light curve of the

QPO and measure the QPO intrinsic phase lag. We find

a soft QPO phase lag in this source (low energy photons

lag behind high energy photons), and the absolute value

of the QPO phase lag increases with energy. Our result

is different from the phase lag calculated from the lag-

frequency spectrum, in which the lag includes the con-

tribution from the broadband noises. Our results show

that the EMD method can significant reduce the inter-
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Figure 10. The cut-off frequency of broadband-noise as a function of that of amplitude modulation (left panel) or frequency
modulation (right panel). The colour of each observation matches that in Fig. 1.

ference from the broad band noise on the measurement

of the QPO intrinsic lag.

By analyzing the instantaneous frequency and instan-

taneous amplitude obtained from HHT, we find that

the broadening QPO peak in the power spectrum of

MAXI J1820+070 is dominated by the frequency modu-

lation. Through further analysis, we find that this mod-

ulation probably share a common physical origin with

the broad-band noise, and can be well explained by the

internal shock model of the jet.
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APPENDIX

In order to examine the credibility of the results of QPO analysis, we perform the robustness tests on the HHT

method. First, we simulated a red noise light curve using the Timmer-Koenig method (Timmer & Koenig 1995), then

added a sinusoidal signal with frequency and amplitude modulation as the QPO component. And then we decomposed

the synthetic light curve using the CEEMD method. The results are shown in Fig. A1, in which the red line represents

the QPO component and the blue line represents the noise component. Our results show that the CEEMD algorithm

can effectively separate the QPO and noise components. Subsequently, we compared the decomposed QPO with the

original QPO light curves and found that the QPO profile was accurately recovered (see Fig. A2). Further Hilbert

transform analysis on the decomposed QPO revealed that the instantaneous phase, frequency, and amplitude trends

of the decomposed QPO are highly consistent with those of the original signal, but with local fluctuations, which is

possibly due to the mode mixing between the QPO and noise components.

To investigate whether such fluctuations affect the measurements of the intrinsic QPO phase lag, we simulated

another light curve with a +5s time lag (equivalent to +π/2 phase lag) into the QPO component and a −10s time

lag into the noise component. We then decomposed this light curve and measured the time lags between the two
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decomposed QPO light curves, which is shown in Fig. A3. The two decomposed QPO components exhibited a clear

positive time lag very close to 5s, indicating that the HHT method works very well to measure the intrinsic phase lag

of QPOs.
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Figure A1. Left: Simulated light curve composed of red noise and QPO. Right: Fourier power spectra that are produced from
the original light curve (black), decomposed QPO component (red) and decomposed noise component (blue), separately.
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We explore the use of Gibbs sampling in recovering the red noise power spectral density, the red
noise Fourier coefficients, and the white noise parameters for the case of single pulsar analyses, and
illustrate its effectiveness using the NANOGrav 11-year data set. We find that Gibbs sampling
noise modeling (GM) is superior to the current standard Bayesian techniques (SM) for single pulsar
analyses, yielding model parameter posteriors with significantly higher computational efficiency and
fidelity. Furthermore, the output of GM contains posteriors for the Fourier coefficients that can
be used to characterize the underlying red noise process of any pulsar’s timing residuals which are
absent in current implementations of SM. Through simulations, we demonstrate the potential for
such coefficients to recover the overall shape of the spatial cross-correlations between pulsar pairs
produced by gravitational waves.

I. INTRODUCTION

Pulsar timing arrays (PTAs) [1, 2] are low-frequency
gravitational-wave (GW) detectors that use high-
precision measurements of the times-of-arrival (TOAs)
of pulses produced by an array of millisecond pulsars
(MSPs). MSPs have ultra-stable spin periods on the
order of milliseconds, and if their TOAs are measured
to sufficient accuracy using large and sensitive radio tele-
scopes, they can be used as cosmic clocks spread through-
out our galaxy. Accurate models are constructed to pre-
dict the time at which each pulse is expected to arrive,
and small deviations from the expected TOAs caused
by GWs can be detected by searching for quadrupolar
spatial correlations in those deviations between pulsars
in the PTA [3]. In recent years, multiple PTA searches
for an isotropic stochastic gravitational wave background
(GWB), have uncovered a common but spatially uncor-
related red noise process [4, 5]. Such a process may be
the first sign of a GWB [6].

The sensitivity of PTAs to a GWB depends primarily
on the number of pulsars in the array [7]. This is due to
the fact that at late times the lowest frequencies in PTA
data sets become GW-dominated, and the significance of
the cross-correlations grows with the square root of the
time span of the data and linearly with the number of pul-
sars in the array. In this regime, increasing the number
of pulsars is the best way to maximize PTA sensitivity
to the GWB. Currently, the International Pulsar Timing
Array (IPTA) monitors 65 millisecond pulsars with 27 of
such pulsars observed for more than 10 years [5]. For this
reason, in each new release of a PTA data set the number

∗ nima.laal@gmail.com

of pulsars used in GWB detection analyses is expected
to grow, which in turn makes the computational cost of
noise modeling and parameter estimation increase signif-
icantly. This poses a significant challenge for Bayesian
inference as typical searches for a GWB involve work-
ing with a very large parameter space making the use of
computationally efficient algorithms a necessity.

Standard Bayesian techniques for single and multi-
pulsar noise modeling often result in a joint probability
distribution for all of the model parameters (see §II D).
Despite the flexibility that this approach offers in choos-
ing and implementing various noise models, the com-
putational cost of parameter estimation using Markov
Chain Monte Carlo (MCMC) simulations quickly be-
comes computationally expensive. For instance, in the
case of single-pulsar analyses, the number of parameters
required to describe a pulsar’s noise may well exceed forty
(see §III). This problem is more severe for the case of
multi-pulsar analyses as even the simplest noise models
(e.g., power-law models) require a number of parameters
that is larger than twice the number of pulsars in the
PTA. Hence, more computationally efficient data analy-
sis techniques are critical for future of PTA analyses.

To mitigate these problem, there have been numer-
ous efforts towards the development of more efficient
Bayesian GWB detection techniques to analyze PTA
data sets, such as those presented in [8–13]. The work
of van Haasteren and Vallisneri [8] in particular provides
an outline for single-pulsar noise analyses in which Gibbs
sampling can be used to characterize the red noise com-
ponent of each pulsar’s timing residuals.

In this paper, we explore the capabilities of the Gibbs
sampling method in single-pulsar noise analyses by ap-
plying it on the NANOGrav 11-year data set [14] as well
as simulated data sets. We show that the Gibbs sam-
pling method is well suited for PTA single-pulsar analyses
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and results in high-fidelity probability distribution func-
tions for all model parameters in a significantly shorter
time-scale compared to those obtained via the standard
MCMC methods. Furthermore we show via simulated
data that the Fourier coefficients that result from the
Gibbs sampling procedure can be used to identify the
shape of the underlying spatially-correlated signal in a
PTA data set.

The paper is structured as follows. In section §II,
we review and simplify the methods presented in van
Haasteren and Vallisneri [8] to outline the Gibbs sam-
pling method and its accompanying noise modeling. Fur-
thermore, in order to use the output of Gibbs sampling in
a subsequent multi-pulsars analysis, and inspired by An-
holm et al. [15], we introduce our version of a frequency
domain optimal statistic which follows from the PTA
multi-pulsar likelihood function. In section §III, we em-
ploy the outlined method in order to analyze NANOGrav
11 year data set and compare the results to those ob-
tained by the standard Bayesian PTA detection tech-
niques. Finally, in section §IV, we analyze PTA simu-
lated data sets to reveal the potential of the Gibbs sam-
pling technique in searches for a common correlated sig-
nal across an array of pulsars.

II. METHODS

We begin our review of the Gibbs sampling method [8]
by writing a simple model for a pulsar’s post-fit timing
residuals, r, in terms of a set of Fourier coefficients a,
Fourier design matrix F , linear timing model parameters
ε, timing design matrix M , and white noise w1:

r = Mε+ Fa+w

= Tb+w,
(1)

where bT = [ε,a] and T = [M,F ]. Assuming a Gaussian
white noise, parameterized by the set of parameters n
with prior p(n), the above model allows for the construc-
tion of posterior probability density functions following
Bayes’ theorem:

p (ρ, b,n| r) ∝ p (r| b,n) p (a) p (ε) p (ρ) p (n) , (2)

where,

p (r| b,n) =
exp

{
− 1

2

[
(r − Tb)T N−1(r − Tb)

]}
√

det {(2π)pN}
, (3)

p (a) =
exp

{
− 1

2

[
aTϕ−1a

]}√
det {(2π)2kϕ}

, (4)

p (ρ) =

k∏
s=1

1

ρs
, (5)

1 Refer to Table I and Appendix §A for more details on the defi-
nitions of the quantities used throughout this paper.

for

ϕ =
〈
aaT

〉
= ρ2, (6)

B =
〈
bbT

〉
, (7)

and ρ denoting the collective set {ρ1, ρ2, . . . , ρk} whose
elements are used to parameterize a pulsar’s power-
spectral-density, frequency-bin by frequency-bin2, and
describe the variance of the Fourier coefficients. Addi-
tionally, a log-uniform (conjugate) prior p(ρk) = 1/ρk is
considered as seen in Equation 5.

Furthermore, we have assumed an unbounded im-
proper prior for the linear timing model parameters and
have set 〈εεT 〉 = diag{∞}. Such choices for the linear
timing model parameters are typical of PTA noise anal-
yses due to the lack of physically-motivated priors for
all of the timing model parameters and are acceptable
as long as the data is informative with respect to such
parameters. Hence, we can write

B−1 =

[
0 0
0 ϕ−1

]
. (8)

To proceed with Gibbs sampling, the posterior for each
of the model parameters needs to be cast into a condi-
tional probability distribution form where each model pa-
rameter is conditioned upon the other model parameters
and the timing residuals. In the following two subsec-
tions, we derive such conditional probabilities for param-
eters b and ρ.

A. Conditional probability of coefficients

For the coefficients b, the conditional probability can
be found by rewriting the full posterior (i.e., the product
of Equation 3, Equation 4 and Equation 5) while ignoring
all factors not depending on b coefficients explicitly:

ln p (b|ρ, r,n) ∝− 1

2

[
(r − Tb)T N−1(r − Tb)

+ bTB−1b
]

=− 1

2

[
bT
(
TTN−1T +B−1

)
b
]

− 1

2

[
−2bTTTN−1r

]
.

(9)

The above equation suggests that the b-dependence of
the log of the posterior probability is quadratic in nature;
thus, making the dependence of the probability itself to
be Gaussian. Using the maximum a posteriori of b found
by maximizing Equation 9 as an estimate of the mean of

2 Note that the total number of frequency-bins is k, but there
are two Fourier coefficients per each frequency-bin. Both acoss
and asins have the same variance parameterized by ρ2s. This is
reflected in Equation 4.
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Symbol Description
Tobs Observational baseline
t Time
f Frequency
I, J Pulsar indices
k, s frequency-bin indices
m Number of pulsars in the array
p Number of TOAs for a given pulsar
q Number of timing model parameters
r Timing residual
F Fourier design matrix
M Timing design matrix
T Combination of F and M such that T = [M,F ]
N White noise covariance matrix
B Covariance matrix for the linear timing model parameters and the Fourier coefficients (i.e., 〈bbT 〉)
Γ Hellings and Downs cross correlation matrix
A Collection of Fourier coefficients across pulsars and frequencies {am;k},
ϕ Single-pulsar red process covariance matrix
Φ Multi-pulsar red process covariance matrix
a Fourier sin-cos coefficients
λ Estimated cross correlations
ε Linear timing model parameters
b Combination of a and ε such that bT = [ε,a]
w White noise time series
n Collection of all white noise parameters
ρ Free-spectral parameter used in describing power-spectral-density (ρ2 = 〈aaT 〉)
A Amplitude of a red noise process
P power-spectral-density of a red noise process

P̂ Spectral shape of a red noise process obtained by P/A2

TABLE I. A table listing the symbols most commonly used throughout this paper and a short description of what they represent.
Refer to the Appendix §A for more details.

the Gaussian, one can write the conditional probability
distribution of the b coefficients in the form

p (b|ρ, r,n) =
exp

{
− 1

2 (µ̂− b)TΣ (µ̂− b)
}

√
det {(2π2k+q)Σ−1}

, (10)

where 3,

Σ = TTN−1T +B−1, (11)

µ̂ = Σ−1TTN−1r. (12)

B. Conditional probability of red noise
power-spectral-density

Similar to the b coefficients, the conditional probabil-
ity of the ρ parameters can be found by taking advan-
tage of the full posterior and ignoring all the factors not
depending on ρ explicitly. Additionally, we make the ob-
servation that the relevant probability distributions can

3 The definition of Σ in Equation 11 is chosen so that this paper’s
Σ represents the same quantity as the Σ defined in the PTA
GWB detection literature.

be factorized over frequency-bins:

p (ρ|a, r,n) =

k∏
s=1

p (ρs| as, r,n)

=

k∏
s=1

1

ρs
√

2πρ2s
exp

{
−1

2

(
as · as
ρs

)}

∝
k∏
s=1

1

ρ2s
exp

{
−
( as·as

2

ρs

)}

=

k∏
s=1

InvGamma
(
α = 1, β =

as · as
2

)
.

(13)

In the above, the dot-product denotes the sum of the
square of the cosine and sine Fourier coefficients for each
frequency-bin that is as · as = (acoss )2 + (asins )2 . Fur-
thermore, despite the analytic form for the dependence
of ρ on the Fourier coefficients a, the lower and the up-
per bounds of the inverse-gamma distribution extending
to zero and infinity would lead to astrophysically and
statistically incorrect assumptions as such bounds need
to be finite and constrained to avoid the implicit use of
improper priors in the modeling of red noise processes.
Thus, a truncated version of the derived inverse-gamma
distribution needs to be considered. In Appendix §B, we



4

show how to obtain such a truncated distribution.

C. Conditional probability of white noise
parameters

In contrast to b and ρ, the white noise parameters can-
not be written in terms of standard statistical distribu-
tions. This is mainly due to the dependence of the white
noise parameters to various radio telescope receivers (i.e.,
each backend of each radio telescope needs its own white
noise parameters). Solving the full-likelihood for the
white noise parameters, collectively denoted by n, results
in

ln p (n|ρ, b, r) =− 1

2

p∑
i=1

{
(r − Tb)TN−1 (r − Tb)

}
− 1

2

p∑
i=1

ln (det {2πN}),

(14)

where the sum is over the TOAs. Since Equation 14
cannot be simplified further in any useful way, we have
no choice but to utilize a non-Gibbs MCMC procedure
to sample the posterior.

D. Standard method of single-pulsar analyses

The standard method of single-pulsar analyses involves
an analytical marginalization of the product of Equa-
tion 3 and Equation 4 over the the coefficients b. The
result is

p (r|ρ) =
1√

det {(2π)
p
C}

exp

{
−1

2
rTC−1r

}
, (15)

C = N + TBTT , (16)

C−1 = N−1 −N−1TΣ−1TTN−1, (17)

where in the last line, we have used the Woodbury iden-
tity :

(X + UY V )
−1

= X−1

−X−1U
(
Y −1 + V X−1U

)−1
V X−1,

(18)

and Σ is defined in Equation 11. The dependence of
Equation 15 to the red noise parameters ρk is through the
elements of the matrix Σ−1. Once Equation 15 is multi-
plied by the appropriate priors of the model parameters,
the resulting joint probability distribution of p (ρ| r) is
ready to be given to a non-Gibbs MCMC algorithm for
parameter estimation.

FIG. 1. A schematic representation of the first three steps
of the outlined Gibbs sampling procedure. The first step of
the sampling process (blue) starts by guesses of the ρ and the
white noise parameters and results in an estimate of the coef-
ficients b following Equation 10 using the previously guessed
values. The second (red) and the third (green) steps of the
sampling continue the sequence by estimating the next re-
maining model parameter given the most recent estimates of
the other two parameters using the conditional probability
distributions of Equation 10, Equation 13, and Equation 14.

E. Gibbs sampling

Gibbs sampling is a MCMC algorithm designed to take
advantage of the conditional probability distributions of
all model parameters in order to perform parameter es-
timation. It is often used in statistical inferences where
a joint probability distribution of all parameters is dif-
ficult to sample, yet each model parameter’s probability
distribution can be written in terms of the rest of the
parameters and the data. Gibbs sampling allows for ran-
dom draws from the conditional probability distributions
of model parameters whose analytic functional form must
be found prior to the start of the sampling process as we
have done for the case of single-pulsar noise analyses by
deriving equations Equation 10 and Equation 13. Due
to the existence of analytic forms for the probabilities,
the concept of rejection of random states, an integral
part of the other MCMC algorithms, does not belong to
the Gibbs sampling as all draws are considered accepted.
Nevertheless, Gibbs sampling is still a MCMC algorithm
as it possesses features such as no long-term-memory and
the need for burn-in of the final Markovian chain. We will
outline a step-by-step implementation of Gibbs sampling
for a single-pulsar noise analysis in the remaining part of
this section.

Knowing the conditional probabilities of our model pa-
rameters, ρ, b, and n, it is simple to implement Gibbs
sampling in the following way:

Step 1: Make initial guesses of ρ and n denoted by
ρ0 and n0.

Step 2: Using Equation 10, find an estimate of b0
given ρ0 and n0.
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Step 3: To start the first iteration, find an estimate of
ρ1 given b0 and n0 using Equation 13.

Step 4: Continuing the first iteration, find an esti-
mate of n1 given b0 and ρ1 with a very short MCMC
procedure sampling Equation 14.

Step 5: To end the first iteration, find an estimate of
b1 given ρ1 and n1 using Equation 10.

Figure 1 provides an illustration of the explained pro-
cedure. The above steps can be repeated until all the
model parameters reach satisfactory convergence. Due to
the analytical draws of the ρ and the b coefficients, con-
vergence will be reached quickly compared to the fully
non-Gibbs MCMC algorithms. This perk is one of the
most desirable features of Gibbs sampling as the overall
run-time of the PTA single-pulsar noise analyses will be
reduced significantly.

F. Frequency domain multi-pulsar likelihood

The outlined Gibbs sampling procedure is an effi-
cient Bayesian scheme capable of estimating each pulsar’s
power-spectral-density as well as the Fourier coefficients
required to describe the total red noise (i.e., GWB plus
spatially-uncorrelated intrinsic red noise process) compo-
nent of the timing residuals. However, the information
required in characterising a GWB requires subsequent
multi-pulsar analyses. As will be demonstrated in this
section, the output of Gibbs sampling provides enough
information to perform multi-pulsar analyses aiming at
detecting a GWB.

Using only the Fourier coefficients a, one can construct
a factorized likelihood in the frequency domain for the to-
tal variance of a PTA’s red noise process in the following
way:

p (A|Φ) ∝
exp

{
− 1

2

(
aTk;IΦ

−1
ks as;J

)}
√

det {Φ}
(19)

∝
∏
s

exp
{
− 1

2

(
aTs;IΦ

−1
ss as;J

)}√
det {Φss}

, (20)

for

Φ =


Φ11 0 . . . 0
0 Φ22 . . . 0
...

...
. . .

...
0 0 . . . Φkk

, (21)

Φkk =


ϕk,1 Γk;12ρ

2
k;g . . . Γk;1mρ

2
k;g

Γk;21ρ
2
k;g ϕk,2 . . . Γk;2mρ

2
k;g

...
...

. . .
...

Γk;m1ρ
2
k;g Γk;m2ρ

2
k;g . . . ϕk,m

,
(22)

where A denotes the collection of Fourier coefficients,
across all pulsars and all frequencies, (i.e., A = {ak;m}),
ρk;g parameterizes the common power-spectral-density of
the GWB observed across the entire pulsar array at fre-
quency k, and ΓIJ represents the functional form of the
cross correlations (e.g., Hellings and Downs curve).

One can use this equation to derive an optimal esti-
mator of the signal-to-noise analogous to those presented
in Anholm et al. [15] and Chamberlin et al. [16]. We
leave the details of the derivation to our future project
[17] where we explore the use of the Fourier coefficients
in GWB characterisation in great detail as this work is
focused on single-pulsar analyses using Gibbs sampling.
Here, we report the results in the form of the optimal
estimators of the cross-correlations λIJ and their uncer-
tainty σIJ :

λIJ =

∑
s
as;I · as;J P̂g

ϕs;Iϕs;J∑
s

P̂ 2
g

ϕs;Iϕs;J

, (23)

σIJ =

[∑
s

P̂ 2
g

ϕs;Iϕs;J

]− 1
2

. (24)

Without a need for a detailed derivation, Equation 23
and Equation 24 can be understood by following a very
simple rational. The numerator is the weighted product
of as;I · as;J . The weights associated with such product,
1/ϕI and 1/ϕJ , have the role of suppressing the contri-
butions from pulsars whose total non-GWB noise power
is substantial (i.e., dominant spatially-uncorrelated in-
trinsic red noise). Moreover, the choice for the normal-
ization in the denominator ensures that the estimated
correlations would yield A2

gΓIJ if averaged over many re-
alizations of GWB as is shown in Appendix §C.

Additionally, estimates of the amplitude, the uncer-
tainty of the estimated amplitude, and the signal-to-
noise-ratio (SNR) can be made from Equation 23 and
Equation 24 by minimizing a weighted-chi-squared statis-
tic of the form

χ2 =
∑
IJ

(
λIJ −A2

gΓIJ
)2

σ2
IJ

, (25)

with respect to A2
g which results in

Â2
g =

∑
IJ;I 6=J

∑
s
as;I · as;JΓIJ

P̂g

ϕs;IϕJ;s∑
IJ;I 6=J

∑
s

Γ2
IJ

P̂ 2
g

ϕI;sϕs;J

, (26)

σg =

 ∑
IJ;I 6=J

∑
s

Γ2
IJ

P̂ 2
g

ϕI;sϕJ;s

− 1
2

, (27)

SNR =
Â2
g

σg
. (28)
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FIG. 2. A comparison of posteriors for all model parameters of PSR J1713+0747 for NANOGrav 11 year data set obtained via
GM (blue) and SM (red). The posteriors on the left column belong to the red noise model parameters, collectively referred to
as ρ, whereas the posteriors on the right column belong to the white noise parameters EFAC, EQUAD, and ECORR. There is
one ρk parameter for each frequency (k = 30 frequencies in total) and three white noise parameters for each receiver (8 receivers
in total). To obtain the plots via GM, 30 steps of a Metropolis Hasting algorithm within each step of Gibbs sampling has been
implemented for the white noise parameters. The above plots show a great level of consistency in extracting the posteriors
between the two methods.

When estimating the optimal correlations using Equa-
tion 23, one has a few options to select from for the
choice of aI and aJ . The trivial option is to draw ran-
domly from the multivariate probability distribution of
each pulsar’s a (the output of Gibbs sampling) and ob-

tain the cross product of such random draws for each
pulsar pair. Another option is to construct posteriors of
the mean, µ̂, following Equation 10, and draw randomly
from such posteriors. Similar to the previous case, the
cross product of the random draws can be used in Equa-
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tion 23 and with the difference that the normalization
factor in the denominator of Equation 23 should be re-
calculated (see Appendix §C for more details). Lastly,
for the choice of ϕI , we use the total red noise power PI .

As a final note, it is important to recognize the lim-
itations of the presented technique as well as the opti-
mal statistic in general. In practice, optimal statistic
results in biased estimates of the GWB amplitude and
the signal-to-noise ratio if one does not have separate es-
timates for the spatially-uncorrelated as well as the com-
mon red noise power. In other words, if one uses the
red noise power estimates from the single-pulsar analy-
ses instead of obtaining separate estimates for a common
red noise signal and intrinsic red noise signal, one cannot
characterise a common correlated signal correctly. This
has been explored in depth in [18].

III. ANALYSIS OF NANOGRAV 11 YEAR
DATA SET

To test the capabilities of the outlined data analysis
technique, we analyze NANOGrav 11 year data set [14]
using Gibbs sampling. The results are then compared
to the ones obtained via standard Bayesian modeling de-
tection routine used by the NANOGrav collaboration in
their most recent work [4]. To ensure the fairness of
the convergence comparisons, we allow each technique
to sample the data set for two hours for each pulsar. Af-
ter the two hours time-limit, we compare the posteriors’
effective-sample-size (ESS) and rank-normalized-split R-
hat (r̂) values using the diagnostic tools provided by Ku-
mar et al. [19].

A. Details of the Bayesian modeling

The Gibbs sampling implementation used for the 11
year data set models the data as outlined in section §II.
This Bayesian modeling together with Gibbs sampling is
referred to as Gibbs Method (GM) from hereon. More-
over, the competing method of analyzing NANOGrav 11
year data set follows the standard single-pulsar analyses
currently implemented in the most recent GWB searches
and explained in §II D. The PTMCMC sampling package
[20] as well as the structure of the Bayesian modeling
accompanying this sampling is referred to as Standard
Method (SM) from hereon.

For both SM and GM, we have allowed each pulsar’s
set of red noise parameters, ρ, to follow a 30 frequency
free-power-spectral-density model with frequencies rang-
ing from 1/Tobs to 30/Tobs in which Tobs denotes the
observational baseline of each considered pulsar. The
choice of prior for the model parameters are listed be-
low. For each pulsar, the white noise parameters are per
receiver/backend system while the ρ parameters are per

frequency:

ρ [s] ∼ log-Uniform(−9,−4), (29)

EQUAD [s] ∼ log-Uniform(−8.5,−5), (30)

ECORR [s] ∼ log-Uniform(−8.5,−5), (31)

EFAC ∼ Uniform(0.01, 10), (32)

for [s] denoting the unit of the quantities, which is sec-
onds.

B. Comparison of posteriors

For the sake of brevity, out of the thirty four pulsars
of NANOGrav 11 year data set, we have chosen to fea-
ture a GM vs SM posterior comparison plot for only PSR
J1713 + 0747 as this pulsar has the longest observational
baseline as well as the largest number of TOAs making
it the most computationally expensive pulsar to analyze.
As shown in Figure 2, the two techniques yield consis-
tent posteriors for both the red noise and the white noise
model parameters for PSR J1713 + 0747 showcasing the
robustness and the capability of GM to be implemented
on real PTA data sets. The same consistency is also ob-
served in all the remaining thirty three pulsars. For a
quantification of the degree of consistency between the
two sets of posteriors, refer to Figure 3 which highlights
the differences in the output of GM and SM in the form of
a histogram of Hellinger distance [21] 4 values across all
pulsars. With the exception of a few white noise param-
eters, the Hellinger distances are concentrated between
0 and 0.2 indicating an adequate degree of consistency
between the GM and the SM posteriors. We attribute
the higher Hellinger distance values of some model pa-
rameters (especially the white noise parameters) to the
differences in the level of convergence of the posteriors as
GM is more successful at yielding converged posteriors
than SM. Refer to §III D for a more detailed discussion.

C. The effect of using different number of MCMC
steps in GM

To obtain the white noise posteriors of Figure 2, 30
steps of a Metropolis Hasting algorithm for each step
of Gibbs sampling has been implemented. The choice
for the number of MCMC steps for each step of the
Gibbs sampling depends on factors such as the number

4 Hellinger distance is a measure of similarity between two prob-
ability distributions ranging from 0 (identical distributions) to
1 (disagreeing distributions). For two discrete probability dis-
tributions p and q, the Hellinger distance H is defined as H =
1√
2

√∑
i

(√
pi −

√
qi
)2

, where i ranges over the binned quantities

of interest whose probability distribution is described by p and
q.
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FIG. 3. A histogram showcasing the distribution of the
Hellinger distance values for the log10 ρ posteriors (blue) and
the white noise parameters (orange) obtained by compar-
ing the outputs of GM and SM. The histogram contains the
Hellinger distances of model parameters across all frequencies
and pulsars. As evident by the distribution, GM and SM result
in sufficiently similar distributions with a few exceptions whose
inconsistencies can be attributed to the differences in the level
of convergence of posteriors resulting from GM and SM even
though we have allowed sufficient time for SM to converge (i.e.,
more than two hours). GM posteriors follow the general shape
of SM posteriors but are significantly more converged.

FIG. 4. A histogram showcasing the distribution of the
Hellinger distance values between the log10 ρ posteriors ob-
tained using GM with two different number of MCMC steps (30
and 5 steps) for each step of Gibbs sampling for the white noise
parameters. The figure is made by combining the Hellinger dis-
tance values across all of the pulsars and all of the frequencies.
As evident by the distribution, choosing a much lower num-
ber of MCMC steps for each step of Gibbs sampling for the
white noise parameters does not change the shape of the target
log10 ρ posteriors significantly. This effect can be attributed to
the knowledge of GM about the analytical shape of the log10 ρ
parameters prior to the start of the sampling.

FIG. 5. A scatter-plot showcasing the differences in the spread
of the effective-sample-size (ESS) values for the log10 ρ and the
white noise parameters expressed in the form of the ratio of
GMs’ ESS over SMs’ ESS (blue circles). For each pulsar, there
is one log10 ρk for each frequency (30 frequencies in total) and
three white noise parameters for each receiver. Across all of
the pulsars, GM is more capable at yielding posteriors with
significantly higher ESS levels given the two hour time limit.
The values of ESS are found using the functionalities provided
in Kumar et al. [19].

FIG. 6. A scatter-plot showcasing the differences in the spread
of rank-normalized-split-R-hat, r̂, values obtained from the
log10 ρ and the white noise parameters analyzed by GM and
SM. Each blue circle represents a single model parameter and
the figure is obtained by combining the r̂ − 1 values of all
model parameters for all pulsars and across all frequencies. As
evident by the figure, GM is more capable at resulting in pos-
teriors with a lower r̂ level given the two hour time limit. The
r̂ values are estimated by dividing each Markov chain into two
sub-chains and applying the rank-normalized-split-R-hat test
[19] on it.

of TOAs, one’s threshold and preferred measure of con-
vergence for the posteriors as well as the efficiency of the
type of MCMC algorithm used in the white noise pa-
rameter estimation. However, the red noise parameters’
posteriors are not overly sensitive to this choice as the

target distributions for ρk parameters are all analytically
determined prior to the start of sampling. To test the
sensitivity of the red noise parameters to the choice for
the number of MCMC steps for each step of Gibbs sam-
pling, we have applied GM on all of the NANOGrav 11
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year pulsars using only 5 steps of MCMC. As shown in
Figure 4, the estimated Hellinger distance values between
the two sets of posteriors of log10 ρ parameters are suf-
ficiency low suggesting a weak degree of correlation be-
tween the red noise parameters’ posteriors to the white
noise parameters’ if analyzed via GM. Nevertheless, our
current implementation of GM is adequately optimized
to handle large number of MCMC steps without much
of a sacrifice in the overall run-time of a single-pulsar
analysis.

D. Comparison of convergence levels

Despite resulting in consistent posteriors, SM and GM
differ significantly in their state of convergence of the
model parameters, especially those pertaining to the
effective-sample-size (ESS). Figure 5 shows the spread
of the ratio of ESS values (GM divided by SM) across
all of the model parameters for every pulsar. As evident
by Figure 5, a significant majority of each pulsar’s model
parameters have higher ESS values when analyzed us-
ing GM as compared to SM. Figure 5 proves our claim
about the high efficiency of GM. Additionally, the same
observation can be made about the rank-normalized-split
R-hat (r̂) values calculated for both GM and SM poste-
riors for each pulsar. Figure 6 points towards the higher
state of convergence of a significant majority of the model
parameters that were analyzed by GM.

IV. SIMULATIONS

Despite the successful implementation of GM on the
NANOGrav 11 year data set, we have not tried to an-
alyze the correlation content of the data set using the
concepts discussed in section §II F as the 11 year data
set lacks a common correlated signal across pulsar pairs
[14]. We will dedicate future projects to the analysis of
the upcoming NANOGrav 15 year and IPTA’s DR3 data
sets, which are currently under development and are ex-
pected to contain a stronger correlated signal. Mean-
while, to explore the capability of the Fourier coefficients
a in characterizing a common spatially-correlated signal,
we make use of simulated PTA data sets.

A. Details of the simulations

We have chosen two types of simulated data sets, re-
ferred to as SIM0 and SIM1, with 100 realizations for
each type, to analyze in order to explore the capability
of the Fourier coefficients a to characterize a common
correlated signal. The two simulated data sets are iden-
tical in every aspect except the content of their spatially-
uncorrelated intrinsic red noise: for SIM0, the log of the
amplitude of the spatially-uncorrelated intrinsic red noise

FIG. 7. A comparison between postfit time series reconstruc-
tion using the Fourier coefficients obtained from GM (blue),
the injected red noise time series (red), and the total residuals
(green) for one of SIM0’s pulsars. The reconstructed residuals
are made by considering the entire posterior probability dis-
tribution of the recovered Fourier coefficients. As evident by
the figure, the reconstructed post-fit red noise signal matches
the underlying red noise signal closely.

of each pulsar is randomly chosen from a uniform dis-
tribution between 10−16 and 10−14 while for SIM1 this
range is between 10−14 and 10−13. For both data sets’
pulsars, the spectral index of the spatially-uncorrelated
intrinsic red noise follows a uniform distribution with
lower and upper bounds of 0 and 7 respectively. Addi-
tionally, each data set has 90 pulsars uniformly scattered
in the sky timed for 20 years with random timing ca-
dences between 14 to 30 days. Furthermore, each data
set contains 10 microseconds of white Gaussian noise for
each pulsar as well as a unique realization of a GWB
with amplitude of Ag = 2× 10−15 and spectral index of
γg = 13/3. Lastly, to employ GM on each data set,
we keep the white noise parameters constant and use
the same range of frequency-bins for all pulsars which
is {1/20 yrs, 2/20 yrs, 3/20 yrs, 4/20 yrs, 5/20 yrs}.

It is worth mentioning that our intention is not about
simulating realistic data sets and analyzing it with GM.
We have already shown the capability of GM in single-
pulsar analyses of real data sets. Our intention is to high-
light what the Fourier coefficients can potentially reveal
about an existing GWB signal, hence the reason behind
our choices for the specific parameters of the two sim-
ulated data sets. Nonetheless, we have introduced very
high levels of spatially-uncorrelated intrinsic red noise
in the SIM1 data set (higher than what is observed in
the real PTA data sets) as dealing with such processes
is an extremely challenging part of GWB searches using
PTAs whose impact on the correlation recovery using the
Fourier coefficients is non-trivial.
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FIG. 8. A plot depicting the reconstruction of the Hellings and Downs correlation (green dashed curve) using GM’s estimates
of the Fourier coefficients obtained for both SIM0 (blue circles) and SIM1 (red stars) data sets. The reconstructions are the
average over 100 realizations of both data sets. Remarkably, the recovery of the shape of the correlations is not affected
significantly by the introduction of extremely high levels of spatially-uncorrelated red noise to each pulsar in SIM1.

FIG. 9. Two histograms comparing the distributions of the
recovered common correlated signal between SIM0 (blue) and
SIM1 (red) data set using the method provided in §II F. Each
distribution is obtained by combining the estimates of the
amplitude (Equation 26) of the cross-correlated signal over
100 realizations. The injected GWB signal is indicated with
the vertical dashed green line. The figure suggests that the
Fourier coefficients contain the right amount of information
about the amplitude of the cross-correlated signal in the case
of SIM0. For SIM1, the injected amplitude does not align
correctly with the recovered amplitude as every pulsar has a
significantly higher non-GWB red noise power than the GWB
power.

B. Reconstruction of red noise signal using Fourier
coefficients

The a coefficients are capable of reconstructing the
red component of the timing residulas as suggested by
Equation 1. The reconstructed signal is pre-fit and white
noise free. Once the reconstructed signal obtained by Fa
is fitted for the timing model parameters, it mirrors the
underlying total post-fit red noise signal in the data set
closely. Figure 7 highlights this case for one of SIM0’s

FIG. 10. Two histograms comparing the distributions of the
signal-to-noise ration (SNR) between SIM0 (blue) and SIM1
(red) data set using the method provided in §II F. Each dis-
tribution is obtained by combining the estimates of the SNR
(Equation 28) of the cross-correlated signal over 100 realiza-
tions. As expected, SIM1 data set exhibits a lower SNR due
to containing a significantly higher non-GWB red noise power
than the GWB power.

pulsars. As suggested by the figure, the Fourier coeffi-
cients are capable of reconstructing the underlying red
noise process of the total timing residuals. This fact al-
lows the Fourier coefficients to be adequate replacement
for the timing residuals in the frequency domain with
the added benefit that one no longer needs to take into
account a white noise process or be concerned with the
complications of the timing model parameters when us-
ing the a coefficients in a subsequent analysis. In fact,
the effects of the timing model parameters and the white
noise levels are implicit in the posteriors for the Fourier
coefficients obtained via GM.
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C. Searching for correlations using Fourier
coefficients

To characterize the GWB signal in each of the realiza-
tions of SIM0 and SIM1, we use Equation 23 and Equa-
tion 24 with µ̂I as the quantity representing the Fourier
coefficients of each pulsar (see Equation 10). Further-
more, as was stated in section §IV C, due to the inher-
ent biases that might arise in using the power-spectral-
density estimates originating from the single-pulsar anal-
yses in optimal statistic equations, the weights ϕI are set
to the total red noise power that was used to make the
data sets. The practical use of Equation 19 requires sep-
arating the total power between intrinsic and common
and will be explored in depth in a future project as our
goal is to showcase the potential of the Fourier coeffi-
cients in revealing information about the GWB signal,
not outlining a complete and practical pipeline capable
of fully characterizing a GWB signal.

The shape of the correlation recovery is depicted in
Figure 8 for both simulated data sets. This shape is
obtained by dividing the pulsar pairs of each realization
into 15 different angular separation bins such that all bins
have 267 pulsars pairs in them. The average and stan-
dard deviation (over the 100 realizations) of the correla-
tions for each angular separation bin is then computed
and plotted in Figure 8. Furthermore, the histogram of
the estimated amplitude Âg and signal-to-noise ratio of
all the 100 realizations of each data set is stacked on top
of each other (i.e., no averaging is performed) and pre-
sented in Figure 9 and Figure 10 respectively. The im-
pact of introducing extreme levels of intrinsic spatially-
uncorrelated red noise to the data set manifests itself in
the form of lowering the signal-to-noise ratio and biased
amplitude recovery. However, the shape of the correla-
tions recovery remains remarkably close to the Hellings
and Downs curve over many realizations.

V. DISCUSSION AND FUTURE WORK

In this paper, we have shown that the Gibbs method
(GM) is an efficient single pulsar Bayesian noise anal-
ysis technique capable of producing posteriors for the
single-pulsar free-power-spectral-density and the white
noise model parameters with convergence properties that
are superior to those obtained using standard Bayesian
methods (SM). GM is a robust and computationally ef-
ficient alternative to SM for future PTA noise analyses.
Additionally, we have shown that the Fourier coefficients
resulting directly from GM contain adequate information
about the shape the cross-correlations signal through the
use of simulations. In effect, GM produces the frequency
domain representation of each pulsar’s red noise signal,
free of white noise and timing model parameters, hence
providing all the necessary information to start perform-
ing subsequent GWB detection analyses exclusively in
the frequency domain.

As one of the most exciting prospects for the use of
GM in the future, this method can be utilized in data
combination efforts between different PTA experiments.
This is due to the fact that every pulsar is represented in
the frequency domain free of complications of timing and
white noise sources making it possible to consider every
pulsar of every PTA experiments in one single large array.
We will dedicate future projects to the use of GM on real
PTA data sets in searches for a GWB.

GM results in raw information in the frequency domain
which may need to be processed further depending on the
needs of the subsequent analyses. For instance, the as-
trophysical interpretation of a pulsar’s red noise signal
will require a more constrained model of the power spec-
tral density than the free-spectral model which could be
achieved by fitting for the parameters of such a model
using the output of GM (e.g., a power-law fit to the free-
spectral model) [13]. Combined with the fitting utilities
provided by Lamb et al. [13], GM can become a pow-
erful and efficient tool for use in the future PTA GWB
detection analyses.

A. Software

The GM code takes advantage of the functionalities
provided by ENTERPRISE [22] and ENTERPRISE-
extensions [23], and PTMCMC sampler [20]. The pack-
age Arviz [19] has been used for diagnosing MCMC
chains. Python packages matplotlib [24] and plotly [25]
have been used for generating the figures in this paper.
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Appendix A: GWB Detection Terminology

Most of the PTA noise analysis concepts have been de-
veloped over many years and scattered over many papers
[7, 8, 15, 16, 26–28]. To help readers better understand
the methods used in this paper, we define the necessary
PTA noise analysis quantities and concepts in this sec-
tion. Additionally, refer to Table I for a short description

of the mathematical symbols used throughout this paper.

1. Basis matrices and their coefficients

To model the contribution of any red noise process to
the timing model residuals of a given pulsar, rRed, we
employ a Fourier basis matrix and a vector of coefficients
such that

rRed = Fa, (A1)

F =


sin (2πf1t1) cos (2πf1t1) · · · sin (2πfkt1) cos (2πfkt1)
sin (2πf1t2) cos (2πf1t2) · · · sin (2πfkt2) cos (2πfkt2)

...
...

. . .
...

...
sin (2πf1tp) cos (2πf1tp) · · · sin (2πfktp) cos (2πfktp)

 , (A2)

aT =
(
acos1 , asin1 , . . . , acosk , asink

)
, (A3)

for tp denoting the last measured TOA, fk denoting the
last considered frequency-bin, and as and ac referring to
the coefficients of sin and cos elements of the F matrix
respectively.

To model the contribution of any linear timing model
parameter to the timing residuals, rT, we use a basis
matrix known as the timing-design-matrix such that

rT = Mε, (A4)

M =


1 t1 t21 · · ·
1 t2 t22 · · ·
...

...
... · · ·

1 tp t2p · · ·

 . (A5)

While the first three columns of the design matrix models
the quadratic spin down of all millisecond pulsars, the un-
specified columns of the matrix are populated with var-
ious timing model contributions specific to each pulsar.
Moreover, it is often convenient to project the residuals
onto a subspace orthogonal to the timing model param-
eters, or in other words, to create fitted timing residuals.
The so-called G matrix is a useful matrix obtained via
singular-value-decomposition of the design-matrix con-
structed to perform the fitting:

M = USV T

Gxy = Uxy,
(A6)

where x ranges from 1 to p (the number of TOAs) while
y ranges from q to p for q being the total number of the
linear timing model parameters.

To model the contribution of the white noise to the
timing model residuals, rw, we consider a m×m identity

matrix as the basis with the coefficients n such that

rw = w, (A7)

wi ∼ Normal (mean = 0, scale = σwi
) , (A8)

σwi
= efi

√
σ2
i + eq2

i , (A9)

for σi being the TOA error of observation i, and ef and
eq being the usual EFAC and EQUAD parameters [14].
Note that the Gausianity of the white noise is an assump-
tion included in our all of our models.

2. Noise power-spectral-density modeling

In this paper, we only consider one-sided power-
spectral-densities (PSD). Most commonly for PTA noise
analyses, the PSD is expressed in two ways:

Power Law: assuming the PSD to follow a simple
power-law relation with amplitude a and spectral in-
dex γ as well as a reference frequency fref across all
frequency-bins

P (f) =
A2

12π2f3

(
f

fref

)3−γ

, (A10)

P̂ (f) =
P (f)

A2
. (A11)

The quantity P̂ describes the shape of the spectrum
and will be useful in section §IV C.

Free-spectral: allowing the PSD to have indepen-
dent amplitude in each frequency-bin with normaliza-
tion constant Tobs equal to a fixed observation time.
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The observation time can either be the baseline of each
pulsar or the baseline of the total PTA experiment.

P (fk) = Tobsρ
2
k. (A12)

3. Covariance matrices

The white noise covariance matrix n plays a key role in
posterior probability calculation of all model parameters.
This matrix is modeled as

N = diag (σw1
, ..., σwm

) . (A13)

Note that the introduction of ECORR white noise pa-
rameter will complicate this picture. See chapter 7 of
Taylor [28] for more details. Furthermore, the red process
covariance matrix is obtained via the discretized form of
the Wiener-Khinchin theorem

〈rred (ti) rred (tj)〉 = FϕFT , (A14)

ϕ = diag (Pred (f0) , . . . , Pred (fk)) , (A15)

where Pred is the one-sided PSD of a red noise process
and the diagonal matrix ϕ is the matrix representation
of such PSD.

Appendix B: Truncated Inverse-gamma Distribution

To obtain a truncated inverse-gamma distribution, we
take advantage of inverse-transform sampling method.
However, first, we need to find a normalization factor,
Norm, for the truncated inverse-gamma distribution de-
fined between the lower bound ρmin and the upper bound
ρmax:

βk =
(ak · ak)

2
, (B1)

Norm =

[∫ ρmax

ρmin

dρk

{
βk
ρ2k

exp

(
−βk
ρk

)}]−1
=

β

exp
(
− β
ρmax

)
− exp

(
− β
ρmin

) . (B2)

Equation B2 allows for calculation of the cumulative dis-
tribution function (CDF), which in turn can be used to
find a distribution for ρk given a uniform random num-
ber U defined between 0 and 1 based on inverse-transform
sampling method. This yields the following as the target
distribution for the ρk parameters:

p (ρk| ak, r, n) = − βk

ln
{

exp
(
− βk

ρmin

)
U(0, 1)

[
exp

(
− βk

ρmax

)
− exp

(
− βk

ρmin

)]} . (B3)

Appendix C: Derivation of the Normalization Factor
in Equation 23

The choice of normalization in the denominator of
Equation 23 enforces the condition that the estimated
cross correlations must yield GWB amplitude if averaged
over many realizations as is shown below:

λIJ =
ptop

Norm
, (C1)

ptop =
∑
k

aI
ϕI

aJ
ϕJ

P̂g, (C2)

〈ptop〉 =

〈∑
k

aI
ϕI

aJ
ϕJ

P̂g

〉
(C3)

=
∑
k

〈
aI
ϕI

aJ
ϕJ

〉
P̂g (C4)

=
∑
k

〈aIaJ〉 P̂g
ϕIϕJ

(C5)

=
∑
k

(
ΓIJA

2
gP̂g

)
P̂g

ϕIϕJ
(C6)

= ΓIJA
2
g

∑
k

P̂ 2
g

ϕIϕJ
, (C7)

which makes Norm =
∑
k

P̂ 2
g

ϕIϕJ
consequently.

Furthermore, when the quantity µ̂ is used in the FDOS
equations, the normalization need to be re-estimated
since

〈
aIa

T
J

〉
6=
〈
µ̂Iµ̂

T
J

〉
for an average over many GWB

realizations. The new normalization factor is found to be〈
µ̂Iµ̂

T
J

〉
=
〈

ΣIF
T
I D

−1
I FIaIa

T
JF

T
J

(
D−1J

)T
FJΣTJ

〉
= ΣIF

T
I D

−1
I F

〈
aIa

T
J

〉
FTJ
(
D−1J

)T
FJΣTJ . (C8)
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ABSTRACT
The recent discovery of a kilonova from the long duration gamma-ray burst, GRB 211211A, challenges

classification schemes based on temporal information alone. Gamma-ray properties of GRB 211211A
reveal an extreme event, which stands out among both short and long GRBs. We find very short
variations (few ms) in the lightcurve of GRB 211211A and estimate ∼ 1000 for the Lorentz factor of
the outflow. We discuss the relevance of the short variations in identifying similar long GRBs resulting
from compact mergers. Our findings indicate that in future gravitational wave follow-up campaigns,
some long duration GRBs should be treated as possible strong gravitational wave counterparts.

Keywords: gamma rays: individual (211211A)

1. INTRODUCTION

Gamma-ray bursts (GRBs) are typically classified into
long or short groups based on the duration of the ac-
tive gamma-ray episode. Such a classification has his-
torical origins (Kouveliotou et al. 1993), and the physi-
cal understanding behind this picture has matured over
the following decades: short GRBs (sGRBs) are pre-
dominantly from binary neutron star mergers (Duncan
& Thompson 1992; Usov 1992; Thompson 1994; Gold-
stein et al. 2017; Abbott et al. 2017) or possibly from
black hole - neutron star mergers (Narayan et al. 1992),
while long GRBs (lGRBs) originate from the core col-
lapse of massive stars (Woosley 1993; Paczyński 1998;
MacFadyen & Woosley 1999; Woosley & Bloom 2006).
There is an overlap between the duration distributions
of short and long classes. For this reason, the classi-
fication based on the burst duration is complemented
by rudimentary spectral information, the hardness ratio

(HR), available for all GRBs. Classifications based on
two parameters provide better separation between the
classes. On average, sGRBs are harder, while lGRBs
are softer (Paciesas et al. 1999; Bhat et al. 2016; von
Kienlin et al. 2020). In some cases even two parameters
are not sufficient to derive a reliable classification and
further observations are needed to hone in on the phys-
ical origin of the GRBs (see e.g. the Type I/II classifi-
cation scheme by Zhang et al. (2009) and refer to Kann
et al. (2011) for a discussion of controversial scenarios).
LGRBs also include Ultra-long GRBs (ULGRBs) with a
duration longer than thousands of seconds (Gendre et al.
2013; Levan et al. 2014; Piro et al. 2014; Greiner et al.
2015; Kann et al. 2018), and lGRBs associated with Su-
pernovae (SNe) Ic (Hjorth et al. 2003). Additionally gi-
ant flares from extragalactic magnetars (Roberts et al.
2021) can masquerade as sGRBs at a rate of approxi-
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mately one event per year (Burns et al. 2021) further
complicating the picture.
At first glance, GRB 211211A is a bright, but other-

wise typical lGRB suggesting a collapsar origin, based
on the gamma-ray properties. However, Rastinejad
et al. (2022); Troja et al. (2022) report a possible kilo-
nova counterpart to GRB 211211A suggesting a compact
merger origin, at odds with the gamma-ray classifica-
tion. GRB 211211A represents one of the clearest breaks
with the usual short/long classification. Some sGRB
pulses are followed by a longer, extended gamma-ray
emission, without associated supernovae (Gehrels et al.
2006). It is possible that GRB 211211A also belongs to
this class.
One of the most intriguing features of GRBs is the

short variations in their lightcurves. The observed vari-
ability could originate from the variations in the cen-
tral engine with contributions from the jet interacting
with the progenitor (Sari & Piran 1997a; Morsony et al.
2010). This variability is imprinted on the emission pro-
cesses (e.g. internal shocks Sari & Piran 1997b), or al-
ternatively can be ascribed to intrinsic variations in the
emitting volume (e.g. by turbulence Narayan & Kumar
2009). Typical variations can be as short as 10 ms, with
a handful of examples of sub 10 ms variability. The
most extreme case for a GRB is a ∼200 µs variation
(Bhat et al. 1992). On average, sGRBs have shorter
variability than lGRBs (Bhat et al. 2012; Golkhou et al.
2015a). The variability timescale constrains the size of
the emitting region based on causality arguments (Ry-
bicki & Lightman 1979).
Here, we place GRB 211211A in the context of Fermi

Gamma-ray Burst Monitor (GBM) GRBs and report on
the implications for future gravitational wave (GW) or
kilonova searches associated with GRBs. We provide a
detailed analysis of the gamma-ray lightcurve highlight-
ing the extreme variability and discuss this the possible
association of this GRB with the class of short GRBs
with extended emission.
We present gamma-ray observations of GRB 211211A

in Section 2, focusing on the minimum variability
timescale (Section 3). We present GRB 211211A as a
GRB with extended emission, and provide physical pa-
rameters of the outflow in Section 4. We end with dis-
cussing our results in Section 5. We use the Qx = Q/10x

convention in c.g.s. units for quantity Q and refer to
physical constants using their common notations.

2. DATA ANALYSIS

GRB 211211A (Mangan et al. 2021) triggered Fermi-
GBM (Meegan et al. 2009) at 13:09:59.65 UT on Decem-
ber 11th, 2021 (T0). It showed significant emission in all

12 of GBM’s NaI and both the BGO detectors, up to an
energy ∼ 20 MeV. At trigger time the location of the
GRB was outside of the LAT field of view, however Mei
et al. (2022) reported detection of photons in the GeV
range at ∼ T0 + 104 s. Swift-BAT (D’Ai et al. 2021),
CALET (Tamura et al. 2021), INTEGRAL-SPI/ACS
(Minaev et al. 2021) and Insight-HXMT (Zhang et al.
2021) also detected GRB 211211A.
The duration T90 = 34.3 ± 0.6 s calculated as the

central 90th percentile of the cumulative energy flux in
the 50-300 keV range using the RMfit1 software. The
hardness ratio over the T90 duration, defined as the
ratio of fluxes between 50-300 keV and 10-50 keV en-
ergy ranges is HR = 0.850± 0.015. These two parame-
ters place GRB 211211A on the duration-hardness plane
with high probability in the long population (Rastine-
jad et al. 2022; Bhat et al. 2016; von Kienlin et al. 2020;
Rouco Escorial et al. 2021). For spectral analysis we
use NaI detectors n2 and na and BGO detector b0. For
temporal analysis we can use additional NaI detectors
with significant flux: n0, n1, n2, n5, n9, na and nb.

2.1. Lightcurve

Morphologically, the lightcurve can be separated into
three parts. This GRB starts with a brief standalone
pulse, a precursor, lasting about 0.2 s. Interestingly
Xiao et al. (2022), reported tentative quasi-periodic os-
cillations for this pulse. The second part is the brightest
and we refer to it as the main emission episode. It starts
at T0+1 s and lasts until T0+13 s. It consists of a large
number of short peaks. The third part starts around
T0+13 s, and we refer to it as late emission. It con-
tains less variability than the main emission, it can be
detected until about T0+70 s and it fades smoothly into
the background (see Figure 1).
Taken by itself, with duration of ≈ 10 s, even the main

emission episode would be classified as a lGRB. It is sig-
nificantly longer than the ≈ 4− 5 s limit separating the
short and long classes of GBM (von Kienlin et al. 2020).
This limit represents the duration of equal probability
between the long and short classes when we model the
duration distribution using two log-normal components
(see e.g. section 4.4 and the associated figure).

2.2. Spectrum

To compare GRB 211211A with other GRBs, we
perform a spectral analysis of the brightest peak and
the time integrated emission. We note that the time
integrated analysis, with fluence F = (5.1 ± 0.1) ×
10−4 erg cm−2 does not capture the evolving trends

1 https://fermi.gsfc.nasa.gov/ssc/data/analysis/rmfit

https://fermi.gsfc.nasa.gov/ssc/data/analysis/rmfit
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Figure 1. Lightcurve of GRB 211211A (black) and the corresponding minimum variability timescale (red). Inset: Zoomed
lightcurve around the time of the shortest variation. Individual pulse models are indicated, with the shortest rise time highlighted
in bold.

observed in this burst by e.g. Gompertz et al. (2023)
but it is suitable to determine the gamma-ray ener-
getics. The peak flux, commonly reported on 64 ms
(sGRBs) and 1.024 s (lGRBs) timescales is P64ms =

(1.49 ± 0.02) × 10−4 erg cm−2 s−1 and P1s = (8.10 ±
0.04)× 10−5 erg cm−2 s−1, respectively. Both the time
integrated and the peak spectra are best fit by Band
functions (Band et al. 1993) with parameters presented
in Table 2.
The redshift reported for the host galaxy is z=0.076

(Malesani et al. 2021), corresponding to a luminosity
distance of DL=346 Mpc (using Ωm = 1 − ΩΛ = 0.315

and H0 = 67.4 km s−1 Mpc−1 (Planck Collaboration
et al. 2020)). The isotropic-equivalent gamma-ray en-
ergy of GRB 211211A calculated in the 1-10,000 keV
range is Eiso ≈ 1.3× 1052 erg, the peak luminosity, cal-
culated on a 64 ms and 1.024 s timescale is Liso,64ms ≈
5.9 × 1051 erg s−1 and Liso,1s ≈ 2.3 × 1051 erg s−1 re-
spectively (see Table 2).

2.3. GRB 211211A in context of other GRBs

GRB 211211A has higher energy fluence (units of erg
cm−2) than all but 4 GRBs in the GBM catalog (von
Kienlin et al. 2020) (GRBs 130427A, 161625B, 171010A
and 160821A), corresponding to 99.9th percentile among
Fermi GBM GRBs (Poolakkil et al. 2021). The peak
energy flux (units of erg cm−2 s−1) of GRB 211211A
calculated for the brightest 64 ms is brighter than all
short GRBs in the catalog. The 1.024 s peak energy
flux of GRB 211211A is brighter than all but two long

GRBs prior to GRB 211211A (GRB 130427A (Preece
et al. 2014), and GRB 131014A (Guiriec et al. 2015)).
During the writing of this paper, Fermi -GBM

detected GRB 221009A (Lesage et al. 2023) and
GRB 230307A (Dalessi & Fermi GBM Team 2023b)
with peak fluxes and fluence larger than GRB 211211A.
While GRB 221009A is clearly not from a compact bi-
nary merger (Fulton et al. 2023), GRB 230307A does
bear some resemblance to GRB 211211A (see section
4.5).
The peak energy (Epeak) measured for the brightest 1

s (1030 keV) is 94.9 percentile among lGRBs and 84.9
percentile among sGRBs.
We conclude that GRB 211211A is at the bright end

of peak flux and fluence distributions among both short
and the long classes, making it an exceptional GRB in
the Fermi GBM sample.

3. MINIMUM VARIABILITY TIMESCALE

The minimum variability timescale (MVT) of a GRB
lightcurve represents the shortest timescales, at which
coherent changes can be identified. In practice it co-
incides with the typical timescale (e.g. the rise time)
of the shortest pulse in the lightcurve. There are multi-
ple mathematical methods in the literature to derive the
MVT. Here we use the methods of Bhat et al. (2012);
Bhat (2013) and Golkhou et al. (2015a), but see also
MacLachlan et al. (2013).
We binned our lightcurve to 100 µs and searched for

the shortest coherent variations. The variability using
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the method of Bhat et al. (2012) is ∆tvar = 2.6±0.9 ms.
The Golkhou et al. (2015b) method gives a variability of
∆tvar = 2.5±0.8 ms. The two methods are independent,
and they give consistent MVT values, strengthening the
confidence that this is indeed the minimum variability
timescale of this burst.
In addition, we identify a pulse with rise time of
≈ 2 ms in Figure 1 (inset) that determines the MVT: we
fit the high resolution (400 µs) lightcurve in the range
1.73 to 1.81 s, (region of the lightcurve where the vari-
ability time is the shortest) with the pulse model of Nor-
ris et al. (2005), using 3 pulses plus a long term emission
modeled as a first degree polynomial. The rise time of
the shortest pulse is consistent with minimum variability
timescale, as expected (Bhat et al. 2012). This ∼ 2 ms
timescale is significantly lower than the 16 ms variability
reported by Yang et al. (2022) and the 10 ms reported
by Xiao et al. (2022)
We also performed a time resolved variability analy-

sis. We calculate the MVT in each 1 s bin (Figure 1)
and find that the separation of the lightcurve into main
and late emission is also reflected in the evolution of the
variability timescale: the main emission episode has a
clearly shorter variability than the late emission.

3.1. Long duration GRBs with short MVT

GRB 211211A, with MVT∼ 2.5 ms is a clear outlier
in the distribution of the MVTs presented in Golkhou
et al. (2015a) (see Figure 2, where we plot MVT values
that have an uncertainty smaller than the value itself).
We have searched for other GRBs that have long dura-
tion (T90 � 2 s), and short variability. The sample of
Golkhou et al. (2015a) contained MVT values only until
2012. We extended their sample with bursts up to 2022,
by additional 2124 Fermi -GBM GRBs.
Because the MVT calculation depends on multi-

ple input parameters, that can affect the final value
(e.g. detector selection, background, foreground inter-
val, method, etc.), we allow a limit of MVT<15 ms and
T90 > 5 s in searching for GRB similar to GRB 211211A
(see Figure 2).
Applying the above limit, we found 10 potentially in-

teresting GRBs in our sample (see Figure 2). Many of
the selected bursts are known, bright GRBs with as-
sociated supernovae (e.g. GRB 130427A (Preece et al.
2014) and GRB 190114C (Ajello et al. 2020)), or their
lightcurve does not resemble that of GRB 211211A. We
inspected each GRB lightcurve visually, looking for sim-
ilar lightcurve morphology to GRB 211211A, namely an
initial bright, variable phase followed by a longer, less
luminous emission episode. After visual inspection of
the candidates, we find 3 additional cases with similar
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Figure 2. MVT values as a function of T90 for all Fermi-
GBM GRBs with well measured T90 and MVT. We highlight
GRBs with T90 > 5 s and MVT< 15ms (red line) by display-
ing the GBM trigger number in the legend. GRB 211211A
and GRB 090720B are indicated by red letters (B, K), blue
letters (A, J) mark two possibly similar GRBs, but with
higher MVT, other selected GRBs have gray letters.

GRB T90(s) MVT(s)
120712571 22.528± 5.431 0.6646± 0.1799

120716577 24.960± 3.958 7.7225± 1.8755

120728934 32.768± 2.429 1.5558± 0.6006

120805706 1.856± 1.296 0.6957± 0.1710

120806007 26.624± 1.557 0.2707± 0.1133

120811014 0.448± 0.091 0.0182± 0.0066

Table 1. Table of MVT values for GBM GRBs. The table
contains GRBs starting from the end of GRBs covered in
Golkhou et al. (2015a). The table is available in its entirety
in machine-readable form.

lightcurves as GRB 211211A. Among these three, only
GRB 090720B has comparable variability timescale (∼
2 ms), while other similar GRBs: 210410A and 080807
have ∼10 ms variability. We thus conclude that bursts
with long duration and short variability are rare, espe-
cially those GRBs that exhibit a short pulse followed
by softer, extended emission. We further conclude that
GRB 211211A lies at the extreme low end of the vari-
ability timescale distribution of Fermi-GRBs.

4. RESULTS

4.1. GRB 211211A as a short GRB with extended
emission

GRB 060614 (Gehrels et al. 2006), a nearby long
event with duration in excess of 100 s has no supernova
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Table 2. Spectral parameters of GRB 211211A

Time (s) Epeak α β Energy Flux Fluence Liso Eiso

T-T0 (s) keV 10−5 erg cm−2 s−1 10−5 erg cm−2 1051 erg s−1 1052 erg

0-52.2 545+12.3
−10.8 −1.180+0.005

−0.006 −2.13+0.02
−0.019 - 50.7± 0.1 - 1.25± 0.003

7.104-7.168 1737+114
−121 −0.878+0.019

−0.020 −2.90+0.26
−0.19 14.9± 0.2 - 5.89± 0.09 -

7.168-8.192 1033+27
−31 −0.941+0.008

−0.008 −2.72+0.07
−0.06 8.10± 0.04 - 2.33± 0.01 -

Note—Spectral parameters for GRB 211211A fitting a Band function and using the standard time intervals: the entire GRB,
brightest 1024 ms and 64 ms. The flux and fluence are reported in the 10-1,000 keV range. Liso and Eiso are reported in the
1-10,000 keV (observer) range.

detection to deep limits, indicating a possible merger
origin. Its lightcurve morphology, a short pulse, fol-
lowed by extended emission established a new category
of GRBs (sGRB-EE). GRB 060614 was detected by
Swift-BAT. For this GRB we derive an MVT value of
∆tvar = 36 ± 4 ms. Rastinejad et al. (2022); Gompertz
et al. (2023); Xiao et al. (2022); Troja et al. (2022)
find that GRB 211211A has broadly consistent prop-
erties with other sGRB-EE GRBs. We also find that
GRB 211211A has consistent features with sGRB-EE.
The time-resolved MVT (Figure 1) also clearly delin-
eates the sGRB and the extended emission.
Kaneko et al. (2015) considered a sample of sGRB-

EE in the Fermi -GBM sample. We extend their list
(see Table 3) and investigate the variability timescale of
sGRB-EE (Burns et al. in preparation). We find that
GRB 211211A has shorter variability timescale than
all the GBM sGRB-EE. This means that the MVT of
GRB 211211A is extreme also among the short GRBs
with extended emission (including the archetypal GRB
060614). We also note that the MVT of GRB 211211A
is close to the short end of even the short duration GRBs
(see Figure 2).

4.2. Possible afterglow origin of the late emission

As noted in the previous section, GRB 211211A fits
into the category of short GRB with extended emission
(Gehrels et al. 2006; Norris et al. 2010). The main emis-
sion plays the role of the short GRB, and the late emis-
sion episode corresponds to the extended emission.
The origin of the extended emission is unclear, some-

times it is associated with late energy injection into the
GRB (e.g. Bucciantini et al. 2012). In many cases, the
extended emission has appreciable variability and for
this reason its association with afterglow emission is gen-
erally disfavored (Norris & Bonnell 2006). Based on the
fact that the late emission (T0+12 to T0+70 s in Figure
1) has longer variability timescale than the main emis-
sion, we explore the afterglow origin for the late emis-

Trigger number MVT (ms) T90 (s)
081110601 291± 11 11.8± 2.6

090227772 ∼ 5 1.28± 1.03

090510016 5± 1 0.96± 0.14

090831317 15± 4 39.4± 0.6

100916779 88± 8 12.8± 2.1

111221739 18± 6 27.1± 7.2

140819160 43± 20 6.7± 3.7

170728961 54± 15 46.3± 0.8

180618030 ∼ 7 3.7± 0.6

190308923 ∼ 419 45.6± 2.83

200219317 ∼ 55 1.15± 1.03

200313456 ∼ 284 5.2± 4.4

201104001 25± 8 52.5± 7.4

Table 3. Sample of short GRBs with extended emission.
Values without errors represent cases where the signal-to-
noise wasn’t sufficient to determine an error.

sion. In this scenario the late emission is emitted by the
shocked circumstellar medium as it slows down the shells
that were responsible for the prompt emission. Detect-
ing the afterglow in the γ-ray regime has been reported
before (e.g. Giblin et al. 1999; Connaughton 2002; Ajello
et al. 2020) and it is common for bright GRBs.
Early afterglow lightcurves, especially in X-ray and

GeV sometimes show a rising phase, peak and a de-
cay representing the onset of the afterglow. Here the
peak marks the deceleration time. We binned the GBM
lightcuve from 13 to 70 s after the trigger into bins with
signal to noise ratio of 60. We fit each spectrum with a
Comptonized function (power law with exponential ut-
off) and calculate the flux density at 10 keV (see Figure
3). The flux evolution shows a clear peak. We fit the flux
density curve with a smoothly broken power law func-
tion, f(t) ∝ [(t/tpeak)sαrise + (t/tpeak)sαdecay ]

−1/s, where
s is the smoothness parameter, fixed here to 1. We find
the index of the rising phase αrise = 2.0 ± 0.3 consis-
tent with the expectation of αrise = 2 if it originates
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Figure 3. Flux density evolution of the late emission, fit
with a smoothly broken power law. The time axis is shifted
by 9 s with respect to the trigger time to match the end of
the main episode.

from the forward shock before deceleration (Sari & Pi-
ran 1999). We note that αrise is sensitive to the choice
of the zero point. Here we choose T0 + 9 s, because
this is the approximate end time of the highly variable,
main emission episode. The peak of the flux occurs at
20.5± 0.9 s after the trigger time. The temporal decay
index after the peak is αdecay = −1.5±0.1, which in the
forward shock scenario corresponds to 1/2−3p/4, where
p is the index of shocked electron population’s the power
law distribution. In our case we get p = 2.7±0.1, which
is consistent with the values that are commonly found
for afterglows (e.g. Panaitescu & Kumar 2001).
We thus conclude that the afterglow interpretation is

possible at least in some cases of GRBs with extended
emission.

4.3. Lorentz factor constraints

The Lorentz factor of the outflow is a basic ingredi-
ent of the physical picture. We can provide a lower
limit on the Lorentz factor if the highly variable prompt
gamma-ray lightcurve is produced by internal shocks
(Rees & Mészáros 1994). In this scenario the emis-
sion radius (RIS) has to be above the photosphere (Rph)
where the optical depth is unity. The internal shock ra-
dius is RIS ≈ 2cΓ2∆tvar, while the photosphere radius
is Rph = LσT /8πmpc

3Γ3, assuming the photosphere oc-
curs in the coasting phase (i.e. the jet does not accel-
erate any more, Γ(R) =constant). From RIS & Rph, we
have

Γ & 170

(
Lγ,51.8

ηγ,−0.7

)1/5 (
∆tvar

2.5 ms

)−1/5

. (1)

Meaningful Lorentz factor constraint using this method
is only possible for GRBs with high luminosity and short
variability, uniquely relevant for GRB 211211A.
We can calculate the bulk Lorentz factor by identi-

fying the peak of Figure 3 with the onset of the after-
glow or the deceleration time. The deceleration radius
corresponding to the deceleration time (tdec) marks the
distance from the central engine where the relativistic
outflow has plowed up interstellar matter that is a frac-
tion ∼ 1/Γ of the jet mass. Using the expression of tdec,
the Lorentz factor evolving a constant-density medium
will be:

Γ =

(
3Ek

4πmpc5n

)1/8

t
−3/8
dec (2)

≈1200

(
Eγ,52.1

n−4ηγ,−0.7

)1/8 (
tpeak

11.5 s

)−3/8

. (3)

Here we chose a gamma-ray efficiency of ηγ =

Eγ/Ek = 7.8%, where Ek is the kinetic isotropic equiva-
lent energy, and n = 10−4 cm−3 the constant interstellar
number density, as scaling values, from Mei et al. (2022).
If we conservatively measure the peak from the trigger
time, instead of the 9 s shift that we introduced, the
Lorentz factor becomes Γ ≈ 980.
Sonbas et al. (2015) present a correlation between vari-

ability timescale and Lorentz factor based on a compila-
tion of Lorentz factor estimates. The relationship they
find is tvar(Γ) ∝ Γ−4 for Γ & 200 and tvar ≈ constant
otherwise. Inverting the correlation, and substituting
∆tvar = 2.5 ms, we get Γ ≈ 900, which is consistent
with the above estimates. Furthermore, the Lorentz fac-
tor estimates from different methods are consistent with
the best estimate by Mei et al. (2022) of log Γ ≈ 3.1+0.9

−0.6.
In the internal shock scenario the emission radius of the
gamma-rays will be:

Rγ ≈ 2Γ2c∆tvar = 1.5× 1014 Γ2
3

(
∆tvar

2.5 ms

)
cm. (4)

4.4. Event rate: the tail of the merger distribution

The 10 year GBM GRB catalog (von Kienlin et al.
2020) contains in excess of 2300 GRBs with duration
measurements. The distribution of the T90 durations is
modeled as the sum of two log-normal functions. The
exact reason why the T90 distribution would follow a
log-normal distribution is unclear (for a possible expla-
nation see Ioka & Nakamura 2002), and in reality the
distributions could be asymmetrical (Tarnopolski 2019).
Because the two component model provides a good fit
to the distribution, we will consider this description to
calculate the rate for mergers masquerading as lGRBs
(see Figure 4).
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Figure 4. T90 distribution of 10 years of GBM GRBs (von
Kienlin et al. 2020). Fractions of short GRBs with T90 > 10 s
and T90 > 30 s are indicated.

We integrate the short model from 10 s, broadly cor-
responding to the duration of the main emission and
the actual T90 ∼ 10 s of the similarly short MVT GRB
090720B (Section 4.5). We also integrate the short
model component for T90 > 30 s corresponding roughly
to the T90 of GRB 211211A. We find about 1.3 % (3
per year) of short Fermi -GBM GRBs will have T90 >10
s and about 0.19 % (0.4 per year) of short GRBs will
have T90 >30 s.

4.5. Other examples of long duration and short MVT

GRB 090720B (GBM trigger 090720710, Burgess et al.
(2009)) was a bright GRB, with similar properties as
GRB 211211A: an initial bright, highly variable set of
overlapping pulses, followed by weaker, less variable
emission (Figure 5). We cross-check the short variability
measurement by Golkhou et al. (2015a), ∆t = 2± 1 ms,
and consistently find ∆t = 2.6±0.9 ms with the method
of Bhat et al. (2012). The duration of this GRB is
T90 = 10.8 ± 1.1 s. Time resolved variability similarly
shows a shorter timescale in the main emission compared
to the longer lasting episode. GRB 090720B has no red-
shift measurement, however it is detected by Fermi -LAT
(Rubtsov et al. 2012; Ajello et al. 2019).
Two further examples with larger variability timescale

(∼ 10 ms) are GRB 080807 (von Kienlin et al. 2020) and
210410A (Wood et al. 2021) with T90 of 19.1±0.2 s and
48.1 ± 2.8 s respectively. Neither have a redshift mea-
surement. Except for GRB 080807, the other 3 selected
GRBs have been detected at high energy by LAT. GRB
080807 occurred in a unfavorable geometry for LAT.
GRB 230307A is a recent bright GRB that has ten-

tatively similar properties as GRB 211211A. Despite its
long duration (T90 ≈ 35 s, Dalessi & Fermi GBM Team
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Figure 5. Lightcurve of GRB 090720B with similar short
pulse + extended emission structure. GRB 090720B has sim-
ilarly short (∼ 2 ms) variability timescale as GRB 211211A.

(2023b)) it shows short variations like GRB 211211A
and has tentative kilonova signature (Levan et al. 2023).
Because of its extreme brightness the prompt measure-
ment suffers from instrumental effects (Dalessi & Fermi
GBM Team 2023a). A detailed study of GRB 230307A
is left for a forthcoming paper.

4.6. Implications for searches for GW counterparts

Having characterized the gamma-ray emission of
GRB 211211A, there still remains an intriguing ques-
tion. How can a merger event give rise to a GRB that
has a duration well in excess of the historical 2 s limit
between the short and long classes? Even if we place
GRB 211211A at a larger distance where only the main
emission episode is detectable, its duration will be ∼ 10
s and it will be classified as a likely long GRB. This
suggests that GRBs with duration & 5 s can possibly
originate from compact binary mergers and be gravi-
tational wave counterparts. Follow-up decisions should
consider this fact.
If a sub-class of long GRBs corresponds to compact

binary mergers as their source then this will have impli-
cations for the gravitational-wave signal search strategy
of LIGO-Virgo-KAGRA (LVK). Currently LVK search
for gravitational waves in coincidence with GRBs de-
tected by the Fermi and Swift satellites (Abbott et al.
2021, 2022). In these searches, GRBs are classified as
short if T90 < 2 s, long if T90 > 4 s, or ambiguous for all
the other cases. The times coincident with GRBs classi-
fied as short or ambiguous are searched for gravitational-
wave signals from compact binary mergers using a coher-
ent matched filter analysis, PyGRB (Harry & Fairhurst
2011; Williamson et al. 2014). The merger time is as-
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sumed to fall within a [−5, 1] s window, where 0 corre-
sponds to the GRB trigger time.
LVK also use an excess power analysis to search

for generic transient signals associated with all GRBs,
namely X-Pipeline (Sutton et al. 2010; Was et al. 2012).
The search window for gravitational-wave transients be-
gins 600 s before the GRB trigger time, and stops 60
s after trigger time; if T90 > 60 s then the end of the
search window is T90.
During observing run O3, times coincident with 49

GRBs were examined targeting compact binary merger
signals. The times coincident with 191 GRBs were ex-
amined with the generic search pipeline (Abbott et al.
2021, 2022). If only the GRB T90 is considered, as is
presently the case for these LVK analyses, then includ-
ing GRBs such as GRB 211211A will require a signifi-
cant broadening of the “ambiguous” class, considerably
increasing the number of GRBs that will have to be an-
alyzed with the compact binary merger pipeline. This
is not an impossible challenge, but would require sig-
nificantly more human and computing resources, and
would increase the chance of a false alarm from the sig-
nificantly larger sample of GRBs that are not originated
by compact binary mergers.
The results of this study motivate the design of a

more reliable GRB classification scheme that includes
the MVT in addition to T90. The observation of a kilo-
nova should obviously also be incorporated into this im-
proved classification.

5. DISCUSSION AND CONCLUSION

The observation of GRB 211211A represents one of
the clearest examples that defy the duration based GRB
classification scheme. We analyzed the gamma-ray prop-
erties of GRB 211211A in context of the Fermi -GBM
GRB population. We found that GRB 211211A is one

of the brightest GRBs among both the merger and col-
lapsar population.
We found indications that the extended emission can

be modeled as early afterglow in the gamma-rays, and
that leads to an estimate of the Lorentz factor. We
calculated the variability timescale with different meth-
ods and conclusively found one of the shortest variation
among long duration GRBs. The short variability has
implications on the emission mechanisms and lets us de-
termine the physical parameters of the source. We found
the Lorentz factor consistent with Γ ≈ 1000, which puts
it among the highest inferred values. Γ ≈ 1000 agrees
well with the value reported by Mei et al. (2022) and it
is larger than the values (≈ 100) derived by Gompertz
et al. (2023); Rastinejad et al. (2022).
We estimated the fraction of short GRBs based on the

best fit to the duration distribution. Even though the
extrapolation is uncertain, we can conclude that ∼ 3.1

GRBs per year with merger origin will have T90 > 10 s,
and 0.44 GRBs per year will have T90 > 30 s.
The realization that long GRBs can also emanate from

binary mergers has profound implications on the follow-
up program of future GW observations. First of all, if a
GRB presents a spike and extended emission structure,
follow-up is warranted. Here we propose that fast vari-
ations in the lightcurve may be a distinguishing feature
of mergers. It is more likely however that the variations
have a continuous distribution and GRB 211211A is spe-
cial even among the short GRBs with extended emission.
Indeed we found that only one long GRB has compara-
bly short MVT. The flux and fluence of GRB 211211A
are both extreme among the Fermi -GBM GRBs.
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ABSTRACT 

 

This manuscript analyzes lunar lander soil erosion models and trajectory models to 

calculate how much damage will occur to spacecraft orbiting in the vicinity of the 

Moon. The soil erosion models have considerable uncertainty due to gaps in our 

understanding of the basic physics. The results for ~40 t landers show that the Lunar 

Orbital Gateway will be impacted by 1000s to 10,000s of particles per square meter 

but the particle sizes are very small and the impact velocity is low so the damage will 

be slight. However, a spacecraft in Low Lunar Orbit that happens to pass through the 

ejecta sheet will sustain extensive damage with hundreds of millions of impacts per 

square meter: although they are small, they are in the hypervelocity regime, and 

exposed glass on the spacecraft will sustain spallation over 4% of its surface. 

  

INTRODUCTION 

 

The Moon is a reduced-gravity, airless body, so a rocket landing on the Moon 

potentially blows ejecta to higher than orbital altitudes or even completely off the 

Moon. To plan lunar missions, it is important to understand the trajectories and flux of 

the ejecta to protect orbiting spacecraft. Protection may be provided through timing the 

landings relative to positions of the orbiting spacecraft (COLlision Avoidance, or 

COLA), and through the construction or deployment of landing pads. Mitigation may 

be costly or sometimes impossible, so we need requirements derived from science on 

how much damage will occur without mitigation. 

 

RISKS DUE TO UNKNOWNS IN THE PHYSICS 

 

The science of interactions between rocket engines and planetary regolith is still very 

immature and large gaps exist in our understanding, including the following two areas. 

 

Cratering Regime Physics. Prior worked showed that there are various regimes of 

interaction, and different regimes will be “turned on” depending on the conditions of 

the rocket exhaust flow, the conditions of the regolith, and the conditions of the 

planetary environment (mainly the atmosphere and gravity). As near as we can tell, 

lunar landings in the Apollo program and smaller robotic missions only “turned on” 

the surface erosion regime, where gas flow traveling horizontally across the surface of 
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the soil entrains individual particles. Fig. 1 shows the terrain beneath the Apollo 11 

Lunar Module after landing. It was swept clean but there was no central crater. Other 

regimes have been seen in experimental work. They include: bearing capacity failure, 

diffusion-driven flow, diffused gas eruption, and shock-induced fluidization. Not 

enough work has been done to map the parameter space where these regimes “turn on”, 

so it is unclear whether or when a larger lunar lander could induce any of them. Those 

regimes have the potential to create a deep crater under the lander, and that would 

redirect the gas flow sending ejecta into a more upward direction. Also, they may 

induce a higher entrainment rate into the gas flow. Until more work is done, it is 

impossible to know if that will occur. The present work assumes only surface erosion 

will occur, so this is a risk we are carrying forward. 

 

 
 

Figure 1. No crater under the Apollo Lunar Modules after landing. 

 

Erosion Rate Physics. Prior work studied the erosion rate (or emission rate or 

entrainment rate) that occurs in the surface erosion regime in lunar landings. 

Experiments were performed at ambient atmospheric pressure, varying the gas jet 

parameters (molecular weight, exit velocity, jet diameter, height of jet exit plane), the 

sand parameters (density, particle size), and gravity (in reduced gravity aircraft 

experiments). The experimental work showed that erosion rate in continuum conditions 

scales proportionately to the momentum flux of the gas to the unity power, and 

inversely to the potential energy in the sand (grain density multiplied by grain diameter 

multiplied by gravity) (Metzger et al., 2010). In other words, it was the square of a 

densimetric Froude number. This made physical sense, so it was accepted as probably 

correct despite some gaps in the measurements. However, when the erosion rate was 

measured from the optical density of dust in the Apollo landings where the gas was 

rarefied, the erosion rate was found to scale as local shear stress to the 2.5 power (Lane 

and Metzger, 2015). Momentum flux to the unity power does not scale the same as 

local shear stress to the 2.5 power. Other experiments were performed in a large 

vacuum chamber and it was found that, keeping momentum flux constant, the erosion 

rate begins to increase when the Knudsen number relative to a sand grain radius is 

between 0.01 and 0.1, that is, the transitional flow regime (Metzger, 2015). This is 

shown in Fig. 2. It was beyond the capability of the vacuum chamber to test in the 



Rev. 04/2018 for Earth & Space Conf. 

regime with Knudsen numbers larger than 0.1, so the full curve into the region of the 

Apollo landings could not be obtained. A sand grain radius is comparable to the 

roughness length scale of the surface of the material, which determines the velocity 

profile in the boundary layer. This result suggests that diffusion of momentum through 

the boundary layer becomes more efficient as the gas becomes rarefied and may 

potentially explain the different scaling in rarefied versus continuum conditions. The 

simplest model is to take the above results at face value. A hyperbolic tangent function 

fits the transitional flow regime data in the vacuum chamber experiments, so the model 

uses the hyperbolic tangent to interpolate between the continuum scaling (terrestrial 

measurements) and rarefied scaling (Apollo landing measurements).  There is a 

significant risk that this is incorrect, either because there are additional transitions in 

the physics that have not been identified, or because the methodology of measuring 

erosion rate in either regime has not accounted for all dependencies such as the role of 

turbulence. Because we have no better model to estimate erosion rate in these extreme 

conditions, this is a second risk that we are carrying forward. 

 

 
  

Figure 2. Left: Four vacuum chamber experiments showing erosion rate scaling 

with Kn. Right: Hyperbolic tangent fitted to  many vacuum chamber tests. 

 

 

EROSION RATE MODEL 

 

Terrestrial experiments to derive the erosion equation included small-scale, vertical 

jet impingement experiments such as shown in Figure 2 (Right). The cases that were 

closest to the relevant lunar case were the ones performed in the large vacuum 

chamber using lunar soil simulant JSC-1A. To analyze these tests, the small scale 

experiments of  Rajaratnam and Mazurek (2005) were used. The data show the shear 

stress as a function of distance from an impinging jet. The data from their cases 4 and 

8 were replicated in Fig. 3. Both cases have jet exit height H = 152.4 mm and jet exit 

diameter D = 12.7 mm.  Case 4 has jet exit velocity U0 = 60.96 m/s. Case 8 has U0 = 

68.58 m/s. Case 4 has exit Reynolds number Re0 = 51271. Case 8 has Re0 = 57680. 

Case 4 has peak shear stress 𝜏0,max = 20.01 Pa so normalized by total momentum flux 

at the jet exit it is 𝜏0,max (𝜌0𝑈0
2 𝜋𝐷2)⁄ = 0.0045. Case 8 has 𝜏0,max= 20.49 Pa so 

normalized to total momentum flux at the jet exit 𝜏0,max (𝜌0𝑈0
2 𝜋𝐷2)⁄ = 0.0036. The 
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biggest difference between the two cases is surface roughness. For Case 4, surface 

roughness is ks = 1.73 mm. For Case 8, ks = 8.23 mm.  

 

 
Figure 3. Normalized Shear Stress of Rajaratnam and Mazurek (2005), Fig. 3. 

 

Table 1. JSC-1A Test Results. 

Case Re0 Kn0 

𝑈𝑓 

(m/s) 

No Erosion With Erosion F 

(kg/s/m2 

/Pa) 
k Flow  k State 

1 4902 0.0065 2.69 5.4 
Trans. 

Rough 
160.8 Fully Rough 4.883 

2 5413 0.0065 2.97 5.9 
Trans. 

Rough 
177.5 Fully Rough 3.586 

3 6230 0.0065 3.42 6.8 
Trans. 

Rough 
204.3 Fully Rough 3.262 

4 5005 0.0065 2.75 5.5 
Trans. 

Rough 
164.1 Fully Rough 4.211 

5 2145 0.0338 6.13 2.3  Smooth 70.4 Fully Rough 5.754 

6 1293 0.0986 10.78 1.4 Smooth 42.4 Trans. Rough 5.427 

Average F value =  4.521 

 

For the experiments with JSC-1A and nitrogen gas, D = 9.4 mm, H = 2.54 cm, U0 = 

11.5, and gas density (since it was in a vacuum chamber and not at ambient), 𝜌0 = 1.253 

kg/m3. Gas exit temperature T0 = 272.56 K. Finding viscosity 𝜈 on a lookup table for 

nitrogen, we calculate the Reynolds Number Re0 = 4902.39 and Knudsen number 

relative to the jet exist diameter Kn0 = 0.0065. Per Fig. 7 of Rajaratnam and Mazurek 

(2005),  𝜏0,max = 0.4 𝜌0𝑈0
2 𝐷2/𝐻2. Friction velocity is 𝑈𝑓 = √𝜏0,max/𝜌0 = 2.69 m/s. 

(Note, 𝜌 = 𝜌0 everywhere in the experiment since the flow is subsonic and equalized 

to background pressure.)  Roughness of the simulant’s surface is equal to the average 

JSC-1A grain radius = 43.9 𝜇m. Roughness normalized by H is 0.0017. With erosion, 

roughness is normally 30 times greater, so normalized by H it becomes 0.0519. The 

roughness in wall units with no erosion is therefore 0.0017 𝑈𝑓𝜌/𝜈 =5.4, and with 

erosion it is 160.8. Therefore, the flow is transitionally rough over JSC-1A when there 

is no erosion, but it transitions to fully rough where erosion begins. The radius of the 
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initial erosion hole was measured at 0.576 cm. Integrating the function for shear stress 

in Fig. 3 over only that radius, then dividing by momentum flux= 𝜌0𝑈0
2 𝜋𝐷2, we find 

that the normalized total traction operating in the scour hole. This is repeated for both 

curve fits of Fig. 3 and averaged. We find that the average of the total traction divided 

by momentum flux is T/(d𝑃/d𝑡) = 7.1 +/- 15%. The initial volumetric growth rate of 

the crater was obtained by curve fitting onto the crater shape for the first few timesteps 

in the video and was found to be 2.7 cm3/s, so converting to mass of eroded JSC-1A, 

accounting for its bulk density, we find the mass erosion rate 𝑚 = 4.07̇  g/s. 

Normalizing by the total traction (integrated shear stress) in the hole we find the erosion 

factor, F=4.883 kg/s/m2/Pa. This process is repeated for each of the relevant 

experiments and the results are reported in Table 1. The average of all six cases gives 

F=4.883 kg/s/m2/Pa, with an uncertainty of ~30%. 

 

On the Moon the erosion rate will be faster due to lower gravity.  Reduced gravity 

aircraft experiments in 1 g and 1/6 g with JSC-1A were performed by Metzger, et al. 

(2009). The erosion rate was 3.4 times faster at 1/6 g. This was not the expected value 

𝑔Earth 𝑔Moon =⁄  6 that was seen in experiments with coarser granular materials. 

Metzger et al. (2009) attributed that difference to the cohesion of the JSC-1A which 

becomes more significant at lower gravities, and which is greater for JSC-1A than for 

coarser materials due to the finer particle sizes. Using this factor of 3.4, the erosion 

factor for the lunar environment is 𝐹Moon = 3.4 × 4.521 = 15.39 kg/s/m2/Pa. 

Multiplying by the local shear stress from the rocket exhaust predicts the local erosion 

rate where 𝐾𝑛 ≲ 0.1 (continuum flow) relative to the radius of an average soil grain, 

 

 �̇� = 15.39 𝜎 kg s−1 m−1 (1) 

 

In regions where 𝐾𝑛 ≳ 1 relative to the radius of an average soil grain, we use the 

relationship obtained by Lane and Metzger (2015) obtained from optical density in the 

Apollo 12 landing, 

 �̇� = 0.0222 𝜎2.52 kg s−1 m−1 (2) 

 

For the transitional region, 0.1 ≲ 𝐾𝑛 ≲ 1 relative to the radius of an average soil grain, 

we are guided by the experiments that spanned a portion of that range. To reach larger 

Kn within the capability of the vacuum chamber we needed coarser sand grains, so a 

coarse quartz sand was used. The results are shown in Fig. 2 (Right). It is fit well by a 

hyperbolic tangent function. The upper value of the hyperbolic tangent is not 

constrained by the test data but will be constrained by Eq. (2) when constructing the 

full theory. The lower value of this hyperbolic function was constrained by the F value 

for quartz sand in continuum conditions in this example, but will be constrained by Eq. 

(1) using JSC-1A when constructing the full theory. 

 

The full erosion rate theory uses the best fit parameters for the hyperbolic tangent in 

Fig. 2 (Right) except replacing the asymptotic erosion values on the left and right sides 

to match Eqs. (1) and (2), respectively. However, when Eq. (2) was developed, the 

values of 𝜎 were obtained by computational fluid dynamics simulations. Here, we used 

Roberts’ Equations (Roberts, 1964) to predict the laminar shear stress everywhere 
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around the lander. Applying the erosion rate theory in this way it predicts the erosion 

too high by about 50%, so we modified the coefficient in Eq. (2) from 0.0222 to 

0.03119 so the theory applied to the Lunar Module using Roberts’ equations predicts 

the same 2.6 tons total erosion as measured by Lane and Metzger (2015). The result is 

shown in Fig. 4. This theory has obvious weaknesses but it is the best available. 

 

 
 

Figure 4. Erosion rate model. Blue points represent where the 

Apollo LM was operating. 

 

EJECTA TRAJECTORIES 

 

Prior work by Lane and Metzger (2012) showed the complex relationships of angles 

and speeds that particles of different sizes travel when blown by a lunar lander from a 

flat surface. For the majority of the landing, the majority of the ejecta travels in a 

broadly conical sheet about 1-3 degrees above the local horizontal (i.e., an ejecta cone 

with half angle 87-89 degrees). This was also seen when measuring the shadows of 

the lunar module on the ejecta cone (Immer et al., 2011). For the purposes of the 

present study, the particle trajectories will be simplified by assuming they are all in a 

cone of 1-3 degrees above local horizontal, uniformly distributed within that range of 

angles. For long distances from the Moon, Kepler’s equation was used to plot the 

paths of the particles. An example is shown in Fig. 5 (Left). For short distances, we 

approximate using straight line trajectories in the cone described above. 

 

The velocities of the ejecta are adapted from Lane and Metzger (2012). This part of 

the calculation assumed a 41.3 t lander (67 kN thrust) with a single engine to define 

the flow field. Here we assume it thrusts until 30 cm above the surface to calculate 

worst-case ejecta velocities. The maximum ejecta velocity for the finest dust equals 

the exit velocity of that propellant, which is about 4,500 m/s assuming 

hydrogen/oxygen (compared to about 3,100 m/s for the Apollo LM, which used 

Aerozine and Nitrogen Tetroxide). Particles ejected from closer to the centerline of 

the vehicle generally get accelerated to faster velocities before they “run out into 

vacuum”, and smaller particles generally go faster than larger ones since drag force to 

inertial force scales ~ 1/d where d is particle diameter. In the modeling for Fig. 5 

(Left), we crudely assumed the particles of each size d are uniformly distributed in 

�̇� 

(kg/s/m2

) 
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velocity between 30% and 100% of the maximum velocity shown in Fig. 5 (Right). 

The worst-case ejecta flux occurs when the vehicle is closest to the ground, and at 

that time the vast majority of erosion derives from very close to the vehicle so we will 

further simplify that all the ejecta travel at the maximum velocity shown in Fig. 5 

(Right). 

 

 
Figure 5. Left: Simulation of ejecta sheet traveling far from the Moon. Right: 

Maximum velocities of each size ejecta for this case with estimated comparisons. 

 

DAMAGE PREDICTIONS 

 
Figure 6. Geometry of Ejecta Flux Impacting a Spacecraft in Low Lunar Orbit 

 

Applying this model to the case of NASA’s proposed Lunar Gateway and a 40 t lunar 

lander (one engine) descending at 1 m/s with engine cutoff 1.5 m above the lunar 

surface, it predicted order-of-magnitude 2,000 to 10,000 particle impacts per square 

meter each time NASA’s Gateway flies through the ejecta sheet, which will probably 

be several times before the sheet is dispersed. Work is ongoing to quantify its dispersal. 

The particles at that altitude are mainly 10 𝜇m and smaller. The impact velocity will 

be only in the range of a few hundred meters per second since the Gateway’s orbit is 

slow and the particles have decelerated against gravity by the time they reach that 

altitude. Therefore, the impacts are sub-hypervelocity. Scaling according to Sheldon 

and Kanhere (1972) shows that the volume of an impact pit from a sub-hypervelocity 
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impact scales with the cube of the impact velocity. Experimental data presented by 

Ruff and Wiederhorn (1979) includes the amount of eroded target aluminum from 

particulate impacts up to 450 ft/s, so scaling to 300 m/s we calculate the divot caused 

by each impacting particle will be order-of-magnitude the same volume as the 

impacting particle. Assuming worst case, if Gateway passes through the ejecta sheet 

10 times and receives 10,000 impacts/m2 each time, then after 100 landings only 0.08% 

of its surface will be abraded a few microns deep and 99.92% of the surface will not 

be affected. This is important for the environmental specification but is not too severe. 

 

Applying this to spacecraft in low lunar orbit being damaged by a 40 t lander (but with 

four widely spaced engines, so ejecta flux in most directions of is similar to a single 

engine 10 t lander), we choose a test case of H=110 km altitude to match the parking 

orbit of the Apollo Command and Service Module. At this altitude, the orbital velocity 

is 𝑣LLO = 1629 m/s. Ejecta leaving the lunar surface with a local angle of 2 degrees and 

traveling an approximately straight line will travel 𝑅 = 570 km before reaching that 

altitude. Analyzing the trigonometry per Fig. 6, the distance the spacecraft will travel 

through the ejecta sheet is 62 km, so the passage time will be ∆𝑡 =11.5 ms. The relative 

velocity of ejecta hitting the spacecraft is 

 

 𝑣relative =  cos(180° − 160.03°) 𝑣ejecta + 𝑣LLO (3)

 = 0.940 𝑣ejecta  + 1,629 m/s   

 

Ejecta traveling 4,500 m/s will hit the spacecraft at 𝑣relative = 5,858 m/s. This is well 

into the hypervelocity regime. Due to the relative velocity, the flux hitting the 

spacecraft will also be increased relative to the source, 

 

𝜓impact =
�̇�

2 𝜋 𝑅2 ∆𝜃 
 ∫ 𝑃(𝑑)

0.940 𝑣(𝑑) + 𝑣LLO

𝑣(𝑑) 
d𝑑

𝑑max

0

 

  (4) 

Where �̇� = is the total rate ejecta is liberated from the landing site (integrating �̇� over 

the shear stress of the gas around the lander), 𝑃(𝑑) = the mass-weighted particle size 

distribution of lunar soil, ∆𝜃 = 2° = 0.035 rad, and 𝑣(𝑑) is the particle velocity per 

Fig. 5 (Right). 𝑑max = the largest particle size that reaches Low Lunar Orbit altitude 

(i.e. has an elliptical trajectory with apoapsis of  the lunar radius plus 110 km), which 

according to orbital dynamics is a particle that is ejected with initial velocity of 1,698 

m/s. Per the equation for Fig. 5 (Right), that is 𝑑max = 16.7 𝜇m.  

 

Using Roberts’ equations for a 40 t, four-engine (widely spaced engines) lander to 

calculate 𝜎 and Kn around the lander at various heights above the surface and using 

those as input to the erosion rate equation of Fig. 4, then integrating the erosion rate 

around the lander at each height of the vehicle, we find �̇� as a function of height as 

shown in Fig. 7 (Left). The calculation assumes each engine supports ¼ the weight of 

the vehicle and the engines are far enough apart that the maximum erosion is close to 

the engine, not on the plume reflection planes between engines, so engine interactions 

are ignored in this approximation. 
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Figure 7. Left: Erosion Rate as a function of height above the surface. Right: 

Particle Size Distribution Model. 

 

The erosion rate when the engine is 1.5 m above the surface is 19,238 kg/s. This is 

high but reasonable based on comparison with Apollo and many other simulations 

and experiments. The particle size distribution model in Fig. 7 (Right) is 

 

𝑃(𝑑) =
𝐶1

11.11 + 0.0015 𝑑2.5
 

  (5) 

where 𝐶1 is for normalization such that the integral over all particle sizes is unity for 

0 ≤ 𝑑 ≤ 10 cm. The upper limit of 10 cm was chosen to approximate the largest 

particle size blown by the rocket exhaust, but the integral is not sensitive to that 

value. This function was derived by fitting to a concatenation of submicron data from 

Park et al. (2008) with data from JSC-1A weighted such that 8% of the mass is finer 

than 10 microns. With these inputs we can now calculate the impacting flux per Eq. 

4. The result is 𝜓impact = 612 mg/cm2/s, so during the 11.5 ms duration passage 

through the ejecta cone the spacecraft will experience a total of 7 mg/cm2 impacting 

soil at hypervelocity. The number of discrete soil particles impacting the surface is 

 

𝑁Impact =
�̇�∆𝑡

2 𝜋 𝑅2 ∆𝜃 
 ∫ (

𝑃(𝑑)

𝜌 𝜋𝑑3/6
) (

0.940 𝑣(𝑑) + 𝑣LLO

𝑣(𝑑) 
) d𝑑

𝑑max

𝑑min

 

  (6) 

where 𝑑min = 0.019 𝜇m for the smallest size of lunar soil particles per Park et al. 

(2008). This predicts 𝑁Impact = 256 million impacts/m2, mostly very small. Using the 

aluminum damage equations of Lambert (1997), Figure 8 shows the number of 

impactors at each range of damage. Using the glass spallation equation of Jiyun, et al. 

(2010), we calculate 4% of the surface of exposed glass will be spalled. 

 

CONCLUSION 

 

The damage to the Lunar Orbital Gateway is slight, but a spacecraft in Low Lunar Orbit 

may suffer extensive damage if the timing of its orbit puts it in the path of the ejecta 

cone from a large lunar lander. The damage will be worse for landers with greater mass 

or fewer engines or if they continue firing the engines closer than 1.5 m to the surface. 

Future work will better constrain these estimates. 
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Figure 8. Damage in LLO. Left: for aluminum target material, number of 

divots/m2 for each depth of divot. Right: for glass target material, number of 

spallations/m2 for each diameter of spallation. 
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ABSTRACT
In this work, we extend our recently developed super-resolution (SR) model for cosmological simulations to produce fully time-
consistent evolving representations of the particle phase-space distribution. We employ a style-based constrained generative
adversarial network (Style-GAN) where the changing cosmic time is an input style parameter to the network. The matter power
spectrum and halo mass function agree well with results from high-resolution N-body simulations over the full trained redshift
range (10 ≤ 𝑧 ≤ 0). Furthermore, we assess the temporal consistency of our SR model by constructing halo merger trees. We
examine progenitors, descendants and mass growth along the tree branches. All statistical indicators demonstrate the ability of
our SR model to generate satisfactory high-resolution simulations based on low-resolution inputs.

Key words: methods: numerical – methods: statistical – Cosmology: large-scale structure of Universe

1 INTRODUCTION

As future cosmological surveys aim to cover the skymore broadly and
deeply, there is a growing demand for cosmological simulations with
larger sizes and finer resolutions (see e.g. Vogelsberger et al. 2020,
for a review). These simulations are essential for making predictions
from theoretical models and for comparison with galaxy surveys.
Cosmological surveys such as Euclid (Laureĳs et al. 2011) and the
RubinTelescopeLegacySurvey of Space andTime (LSST) (Yao et al.
2017) will require a large number of high-resolution simulations to
gain insight into cosmological models and how they apply to our
Universe.
Cosmological N-body simulations are powerful numericals tool

for solving the non-linear evolution of cosmic structure formation.
While they are computing-intensive, high-resolution dark matter-
only simulations using N-body codes, such as MP-Gadget1, can
follow the small-scale evolution of galaxy halos and so allow the cre-
ation of detailed merger trees. Even with high-performance comput-
ing resources, these numerical models require a significant amount
of storage and computation due to the complex and non-linear dy-
namics involved in gravitational structure formation, which is a very
challenging task. This limitation often requires researchers to choose
between maximizing resolution or volume. These different needs
are illustrated by the range of dark-matter and hydrodynamical sim-
ulations carried out in recent years, from the small volume high

★ Email:xiaowen4@andrew.cmu.edu
1 https://github.com/MP-Gadget/MP-Gadget

resolution FIRE suite (Hopkins et al. 2014) and to the ABACUS
summit(Maksimova et al. 2021) optimized for large-scale structure.
In recent years, Machine learning (ML) (Yue et al. 2016) has

become a promising tool in physics, capable of solving non-linear
problems and reducing computation times. ML is now being exten-
sively applied to cosmology (Dvorkin et al. 2022), addressing prob-
lems that were previously difficult to solve. Deep Learning (DL), the
use of neural networks Dvorkin et al. (2022), has found applications
in many different aspect in cosmological simulations. For example,
using DL, non-linear structures can be derived directly from cosmo-
logical initial conditions (He et al. 2019), and mock halo catalogs
can be inferred from density fields (Berger & Stein 2019; Bernardini
et al. 2020). Other works use Generative Adversarial Networks and
denoising diffusion model(GANs, (Goodfellow et al. 2014; Mudur
& Finkbeiner 2022)), learning from 2D images of cosmic webs (Ro-
dríguez et al. 2018) to generate synthetic versions. Matter density
fields in 3Dhave been generated also (Perraudin et al. 2019).Machine
learning models have been developed to predict different baryonic
properties from dark matter-only simulations, including the distri-
bution of galaxies, thermal Sunyaev-Zeldovich (tSZ) effect, 21 cm
emission from neutral hydrogen, stellar maps, and various gas prop-
erties. Examples of these studies are some that have used machine
learning to predict the galaxy distribution (Modi et al. 2018; Zhang
et al. 2019), others the tSZ effect (Tröster et al. 2019), the 21 cm
emission distribution (Wadekar et al. 2020), and gas properties such
as stellar maps (Dai & Seljak 2021). CAMELS (Cosmology and As-
trophysics with MachinE Learning Simulations, ), is a large project
involving a training set of over 4000 hydrodynamical simulations run
with different hydrodynamic solvers and subgrid models for galaxy

© 2022 The Authors
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formation. A prime purpose of this set is to investigate the interplay of
baryonic effects and cosmology, using machine learning techniques.
Restoring high-resolution information from low-resolution data

("super-resolution") is a challenging task, as there are many possi-
ble high-resolution solutions to a given low-resolution input. Deep
learning (DL) techniques have shown promise in addressing this
issue(see (Wang et al. 2019) for a review), with one of the most
promising models being Generative Adversarial Networks (GANs)
(Goodfellow et al. 2014). GANs are generative models that train
both a generator and discriminator simultaneously, through adver-
sarial competition. A Super-resolution GAN (SRGAN) (Ledig et al.
2016) uses a generator to learn from the distribution of low-resolution
(LR) fields and produce a high-resolution (HR) distribution, while
the discriminator estimates the probability of whether the field is
from HR or SR. During training, both the generator and discrimi-
nator improve their performance, and eventually, they reach a local
Nash equilibrium, where the discriminator becomes unable to dif-
ferentiate between HR and SR fields. Several studies have explored
the application of super-resolution (SR) techniques to the spatial or
mass resolution of cosmological simulations. (Kodi Ramanah et al.
2020), for instance, developed a SR network that maps the density
fields of low-resolution (LR) cosmological simulations to those of
high-resolution (HR) ones. This approach has the potential to signif-
icantly reduce computational costs while enabling the exploration of
more extensive parameter spaces in cosmological simulations.
In our previous work (Li et al. 2021; Ni et al. 2021) (hereafter

Paper I and Paper II), we showed using cosmological simulations
that the output of a GAN using a low resolution input can preserve
the input large scale structure and also create small scale structures.
These satisfy statistical properties of the high resolution simulation
such as the matter power spectrum and halo mass function, as well
as the visual aspects of structures. The SR models are capable of
generating the same number of particles as HR but four orders of
magnitude faster than a highly parallel N-body code.
However, the current SR models are restricted to a single redshift

due to their training on LR and HR simulations at that specific
redshift. To generate SR fields at different redshifts, the DL model
used in Papers I and II need to be retrained with new sets of LR and
HR simulations. In this paper (paper III) we present new work that
removes this restriction, allowing SR simulations to be generated
at any redshift following a single training episode. To do this, we
use the capabilities of the NN architecture StyleGAN (Karras et al.
2019), which is capable of mapping random noise to a latent vector
that represents the style parameters of an image. These parameters
can be manipulated to generate diverse outputs with distinct features
such as shape and color. Incorporating a style-based generator and
discriminator into the SR model will facilitate the generation of
SR fields at different redshifts by allowing the neural network to
generalize its outputs. In this work all simulations in the training and
test sets will have the same cosmological parameters, and we will
be using the cosmic scale factor 𝑎 as our style parameter, the natural
choice. This style parameter as an input alongside the LR simulation
will allow the NN to learn about extra information about the time
evolution of the dark matter distribution compared to our previous
architecture. This approach, using a style parameter, can also be
used to encode the cosmology dependence in NN and enabling it
to effectively interpolate the results of structure formation across
cosmologies (see recent work by Jamieson et al. 2022). In our work,
by sampling over scale factor, we create different simulations with
different initial random seeds and save snapshots at certain scale
factor, compiling all snapshots into a single training set. The advances
in this paper are the following:

• We incorporate the scale factor as a style parameter in addition
to the input 6D phase space (displacement and velocity).

• To evaluate the accuracy of time evolution afforded by the new
SR-GAN, we compute dark matter halo merger trees from the SR
outputs. We utilize a time-consistent LR-HR pair as our test set. By
examining various statistics, such as the length of merger trees and
branching ratios, we can determine the authenticity of the generated
merger trees.

The paper is structured as follows: In Section 2, we review our neural
network architecture, the training and test sets, as well as the training
process. In Section 3, we present our results, discussing statistics
related to the phase space of the generated field in Sections 3.1 and
3.2, while Section 3.3 focuses on merger trees and related statistics.
In Section 4, we discuss our findings, and conclude in Section 5.

2 METHOD

2.1 𝑁-body simulation

The 𝑁-body simulation is a widely used technique for understanding
the non-linear development of cosmic structures. Given a fixed cos-
mological matter (as prescribed by our standard cosmological model
Hinshaw et al. (2013)), this method involves dividing the mass dis-
tribution into 𝑁 equal-mass particles, which are positioned initially
using a Gaussian random field with a specific power spectrum (deter-
mined by cosmological parameters). To predict the velocity and dis-
placement of each particle, Poisson’s equation is solved numerically
for dark matter-only simulations. The value of 𝑁 affects the mass res-
olution of the simulation, with higher values making it more detailed
but also slower due to the need to increased numbers of force calcu-
lations and greater precision. Despite the use of high-performance
computing resources, producing high-resolution 𝑁-body simulations
is a costly process because the computational complexity for themost
efficient methods increases with O(𝑁 log 𝑁) . We run simulations
using the N-body code MP-Gadget2, a highly parallel program that
solves the gravitational force using the TreePMmethod (Bagla 2002),
with Fast Fourier computation of long-range forces and a hierarchical
octree algorithm for short-range forces.
We conduct LR and HR simulation tasks in the Lagrangian de-

scription with particles originally positioned on a uniform grid. The
displacement field is:

d𝑖 = x𝑖 − q𝑖 (1)

where x𝑖 is the current position of a particle and q𝑖 is its initial
position. Similarly, the velocity field of each particle is :

¤d𝑖 = ¤x𝑖 − ¤q𝑖 (2)

There are several advantages to using Lagrangian description of
the cosmic density rather than an Eulerian description:

• The total mass of the output field is conserved because mass,
not space, is discretized.

• In the Lagrangian description, resolving small structures is im-
proved by learning the displacement of tracer particles instead of the
density field.

• Aswe shall show, the tracer particles can be traced through time,
making the SR field statistically identical to the real output from the
𝑁-body simulation.

2 https://github.com/MP-Gadget/MP-Gadget
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Super-resolution simulations 3

Figure 1. Upper panel: Schematic plot of our GAN training process. Middle panel: The architecture of the generator. Dark blue blocks denote size 3 kernel
size, and light blue denotes size 1 kernel convolutional layer. Other operations like upsampling and noise injection blocks are colored in red. Lower panel: The
architecture of the discriminator.

Consequently, the Lagrangian description provides a more accu-
rate description of fields with a larger dynamic range compared to
the Eulerian description with the same grid size. In the Eulerian de-
scription, the simulation field must be mapped onto a uniform grid
with limited resolution, while in the Lagrangian description, much
smaller scales can be more accurately resolved.

2.2 Generative adversarial networks

Generative adversarial networks consist of two neural networks that
compete with each other and train simultaneously. The generator 𝐺
generates fake samples, and discriminator 𝐷 attempts to find the
difference between real and fake samples and gives feedback to gen-
erator 𝐺. During the training, generator 𝐺 will be able to generate
more realistic samples while discriminator 𝐷 improves by learning
the detailed differences between real and fake data. However, opti-
mizing GANs can be very difficult because it involves finding the
Nash equilibrium between the generator and discriminator which is
a non-convex problem and can have multiple local minima. Addi-

tionally, a GAN could also suffer from mode collapse and gradient
diminishing problems (see ). In this paper, we follow the StyleGAN2
architecture and minimize the Wasserstein (Arjovsky et al. 2017)
distance between real and fake samples, which can avoid these dif-
ficulties. We also use gradient penalty(WGAN-GP) (Gulrajani et al.
2017) to achieve a soft version of the Lipschitz constraint instead of
hard clipping as in the originalWGAN. TheWGAN-GP loss function
is:

𝐿WGAN−gp = E𝑙,𝑧 [𝐷 (𝑙, 𝐺 (𝑙, 𝑠, 𝑧))] − E𝑙,ℎ [𝐷 (𝑙, 𝑠, ℎ)]

+ _ E𝑙,ℎ
[ (
‖∇𝑖𝐷 (𝑙, 𝑠, 𝑖)‖2 − 1

)2]
. (3)

The Wasserstein distance is the first line in the objective function,
while the second line represents the gradient penalty. A random sam-
ple, denoted as 𝑖, is drawn uniformly along the lines connecting pairs
of real fields (h) and fake fields (𝐺 (𝑙, 𝑠, 𝑧)). The hyperparameter _ is
used to control the magnitude of the gradient penalty. The discrim-
inator 𝐷 is optimized by maximizing all three terms, whereas the
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generator 𝐺 optimizes only the first term. We use the most common
approach, and apply the penalty every 16 batches.

2.2.1 Training process

The goal of our SR task is to increase the particle number 𝑁 , com-
pared to an input LR realization by a factor of 512 at any redshift
required. Success in this approach will significantly reduce the com-
putational time required to run N-body simulations with comparable
accuracy in many aspects to HR simulations.
The training process is illustrated in the upper panel of Figure

1. The displacement and velocities of particles in both the LR and
HR/SR fields are concatenated to form a 6-channel input field. The
corresponding scale factor is stored in a size-1 array and input into
the neural network along with the concatenated field. Due to GPU
memory constraints, the LR and HR/SR particles are cropped into
cubic chunks with added padding margins and periodic boundaries.
In the GAN model, the generator 𝐺 transforms the LR input field

𝑙 and scale factor 𝑠 into SR displacements and velocities, 𝐺 (𝑙, 𝑠),
with 512 times the LR resolution. The relative distance between the
SR and HR fields is measured using the mean-square error (MSE)
as the loss function, which is not used in the training process. Both
the LR and HR fields are concatenated and fed into the discriminator
𝐷, which evaluates the authenticity of the combined fields. The size
of the LR field is matched to the SR and HR fields using tri-linear
interpolation.
Additionally, the Eulerian space density field (Shi et al. 2016)

is also concatenated to the inputs of the discriminator, which is
calculated from the Lagrangian representation of the displacement
field using a differentiable Cloud-in-Cell operation. This provides
the discriminator with the ability to visualize the structure directly
in Eulerian space. This is crucial for accurately predicting visually
distinct features and precise statistics of small structures.

2.2.2 Details of the architecture

Our model is based on the architecture presented in (Ni et al. 2021)
and incorporates elements from the StyleGAN2 structure. Figure 1
(middle panel) illustrates the generator’s architecture. The genera-
tor consists of multiple H-blocks, each composed of two branches:
the projection branch and the convolutional branch. The projection
branch starts by up-sampling the input field by a factor of 2 using
tri-linear interpolation and then goes through a 1-kernel size convo-
lutional block followed by a Leaky ReLU activation function. The
convolutional branch receives the output from a 1-kernel size con-
volutional block. The injection of random noise before and after
the up-sampling process is crucial as it introduces stochasticity and
generates new features that are not present in the input field. As we
explain later, keeping this noise input identical for each realization of
the cosmological density field, irrespective of cosmic time is crucial
to generation of time-consistent evolution of cosmic structures in the
SR simulation. The output of the H-block is obtained by summing
the outputs of both branches. All activation functions used are Leaky
ReLU with a negative slope of 0.2. By stacking 3 H-blocks, the out-
put field is up-sampled by a factor of 8 along each edge, resulting in
512 additional particles. The scale factor, serving as the style param-
eter, is fed into a single linear layer before being used to control the
weights of each convolutional layer.
The discriminator network architecture is illustrated in the lower

panel of Figure 1. Class of fully convolutional discriminator like
this is known as patchGAN (Isola et al. 2016) It is designed as an

inverse of the generator, and it comprises three residual blocks (He
et al. 2015). Each residual block comprises two branches: the "skip"
branch, consisting of a single 1-kernel size convolutional block, and
the convolutional branch, which is composed of two 3-kernel size
convolutional blocks, each followed by a leaky ReLU activation
function. The output from the two branches is then summed and
undergoes a down-sampling process by a factor of 2. The final out-
put of the discriminator is a single channel critic, which is averaged
to evaluate the Wasserstein distance.

2.3 Training set and test set

Our training dataset is comprised of 8 dark matter only simulations,
each with low-resolution (LR) and high-resolution (HR) pairs. Each
simulation contains 100 snapshots that uniformly sample logarithmic
scale factor. The mean spatial separation of the dark matter particles
is used to determine the gravitational softening length, which is set to
1/30 of this value. The cosmological parameters for all simulations
are based on the WMAP9 cosmology (Hinshaw et al. 2013), with
matter density Ωm = 0.2814, dark energy density ΩΛ = 0.7186,
baryon density Ωb = 0.0464, power spectrum normalization 𝜎8 =

0.82, spectral index 𝑛𝑠 = 0.971, and Hubble parameter ℎ = 0.697.
All the simulations have a box size of (100, ℎ−1Mpc)3 and are

comprised of 643 low-resolution (LR) and 5123 high-resolution (HR)
dark matter particles. The LR particles have a mass resolution of
𝑚DM = 2.98 × 1011 𝑀�/ℎ while the HR particles have a mass
resolution of 𝑚DM = 5.8 × 108 𝑀�/ℎ, which is 1/512 of the LR
mass resolution. Each of the eight simulations has a unique random
seed for its initial conditions, resulting in distinct initial conditions
for each simulation.
In addition, we also create 3 sets of dark-matter-only LR-HR sim-

ulation pairs, which share the same box size and cosmological pa-
rameters as the training set, but with a different random seed for the
initial conditions. The test set consists of 95 LR-HR snapshot pairs,
sampled uniformly in scale factor space from redshift of 5 to 0. Our
evaluation of themodel’s performance is based on the test set, and the
statistical results are compared against those from the corresponding
LR and HR simulations. In addition, we generate 10 different test
sets consist solely of integer redshifts(z=10, 7, 4, 3, 2, 1, 0). It is
important to note that none of the integer redshifts are included in
the training set, in order to evaluate the extrapolation capability of
the SR model.

3 RESULTS

We first evaluate the visual representation of high-resolution
fields derived from 𝑁-body simulations and super-resolution fields
from our hybrid Neural Network 𝑁-body calculations. The three-
dimensional visualizations of dark matter density plots are produced
by projecting all the particles within the entire 100ℎ−1Mpc simu-
lation volume. Figure 2 presents the 3D density visualizations at
redshift 3, 2, 1, and 0. The images are rendered using the gaepsi2
code. The first column of the images displays the 3D matter density
field of the LR simulations and are utilized to generate SR simula-
tions (second column) by our NN , while the third column shows the
corresponding HR field from the test set.
The image demonstrates that the large-scale structure is success-

fully captured by the NN, as we expect, given that it is conditioned
on a low-resolution input. The small-scale structures generated by
the NN are visually comparable to those from HR simulations, and
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Figure 2. 3D visualization of dark matter density field of whole 100ℎ−1Mpc simulation box and comparison to LR simulations at 𝑧 = 3, 2, 1, 0.
MNRAS 000, 000–000 (2022)
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Figure 3. Time-evolving 3D projection of the matter density field with boxsize 5ℎ−1Mpc, with time progressing from left to right and top to bottom, spanning
the redshift range of 𝑧 = 1.1 to 𝑧 = 0.6

MNRAS 000, 000–000 (2022)
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Figure 4. The halo trajectory plot. Each red box has the same side length 5ℎ−1Mpc from SR field and redshift range are labeled at lower left corner of each box.
The top four most massive halos’ trajectories are overlapped onto the 3D density field, X mark indicate the halo position at the last redshift.

their differences can be controlled by altering the random seed used
in the noise injection to the NN.
The visualization of the matter density field demonstrates that the

SR field and HR simulation are essentially indistinguishable on large
scales. On small scales, both fields are visually authentic, given the
LR input field. The SR field accurately predicts the appearances of
high-density regions both on large scale and small scales. These
regions contain most of the dark matter halos, and this motivates us
to compare the halo abundance using other statistical methods.
In addition to the integer redshift test set, we generate a time evo-

lution series using our time evolution test set and represent the 3D
dark matter density in the form of a time evolution plot. The center of
this sub-box is located at the position of the same Friends-of-Friends
(FoF) halo with halo mass 1014ℎ−1𝑀� . A movie version of time
evolution is available in our github repository (see in Data Availabil-
ity chapter). In Figure 3, time evolves from left to right and from top
to bottom. We can see that three halos evolve under time and merge
into a single, larger halo. This implies that our model is proficient in
recovering halo evolution in in high resolution simulation generated
based on LR simulations, which could save substantial computer re-
sources. We also generate a static plot and overlap the trajectories of
the halos onto the density plot. The top four massive halos within
that 5ℎ−1Mpc box are selected and their trajectories are overlapped
with the 3D density plot. The final position is denoted by an ’x’ in
the figure, and the redshift range is labeled at the lower left corner. In
Figure 4 we can see that even though we do not have a hard constraint
on each adjacent snapshot (such as applying a loss function in the
time domain), the halos are moving smoothly. This suggests that the
behavior of halos with fewer than 500 particles can also be learned
from corresponding HR simulations.

3.1 Full field statistics

3.1.1 Matter power spectrum

The matter power spectrum is a widely employed tool that charac-
terises the amplitude of matter density fluctuations as a function of
scale. It is the most common summary statistic used for the density
field. It is defined as follows:

𝑃(𝑘𝑖) =
1
𝑁𝑖

∑︁
𝑘𝑖<𝑘<𝑘𝑖+1

|𝛿(𝑘) |2
𝑉

Where V is the volume of the simulation box and 𝛿(𝑘) is the Fourier
transform of the overdensity field, which is defined as

𝛿(𝑥) = 𝜌(𝑥) − �̄�

�̄�

The 𝑃(𝑘) can be used as a metric to evaluate the accuracy of the SR
field. In our work, we compare the dimensionless power spectrum
Δ2 (𝑘) ≡ 𝑘3𝑃 (𝑘)

(2𝜋)3 of SR and HR fields at various redshifts. The upper
panel of Figure 5 shows the matter power spectrum of HR (dashed
lines) and SR (solid lines) at different redshifts, and the lower panel
shows the ratio of the SR matter power spectrum to the HR matter
power spectrum. The vertical dashed line represents the Nyquist
wavenumber, 𝑘𝑁 𝑦𝑞 =

𝜋𝑁𝑚𝑒𝑠ℎ

𝐿𝑏𝑜𝑥
, the scale below which the discrete

Fourier transform cannot accurately capture information.
We compute the matter power spectrum for all the HR and SR

simulations in our test set at integer redshifts. It is important to note
that our training set does not contain integer redshifts; therefore, we
utilize integer redshifts to assess the model’s extrapolation capabili-
ties in handling unseen data. The matter power spectra are generated
using two distinct models: the first model is fine-tuned within the
redshift range of z = 5 to z = 0, while the second model is fine-tuned
for the redshift interval of z = 15 to z = 5. In figure 5, we can see
that the SR power spectra successfully matches the HR results for
small 𝑘 (large scales) within 5 percent. The power spectrum matches
the power spectrum at large 𝑘 (small scales) within 20 percent at
Nyquist wavenumber. The neural network successfully learned small
scale structure directly from our target, the HR simulation. At high
redshift 𝑧 = 7 and 𝑧 = 10, the matter power spectrum diminishes
toward 0 rapidly, resulting in extreme values in the ratio plot at large
k.

3.2 Halo catalog analysis

3.2.1 Halo Mass Function

During the formation of cosmic structure, some dark matter parti-
cles become bound by the gravitational potential of halos into high-
density structures. We use the friends-of-friends algorithm with link-
ing length 𝑏 = 0.2, meaning that particles within a faction of 0.2
of the simulation mean inter-particle separation are linked together.
Groups with a minimum of 32 particles are considered halos. The
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Figure 5. Thematter power spectrum at integer redshifts of HR (dashed lines)
and SR (solid lines). The upper panel shows matter power spectra while lower
panel presents the ratio of SR and HR power spectra. Nyquist wavenumber is
denoted by vertical solid gray line. The shaded area shows the 1𝜎 standard
deviation measured from the 10 test sets.

Figure 6. The halo mass function at different redshifts. Upper panel shows
the halo mass function from SR (solid lines) and HR (dashed lines) at various
redshifts, and the lower panel is the ratio of the SR halo mass function to the
HR equivalent. The shaded area shows the 1𝜎 standard deviation measured
from the 10 test sets.

mass function of halos is defined as:

𝜙 = 𝑑𝑛/𝑑 log10 𝑀ℎ (4)

Where 𝑑𝑛 is the comoving number density of halos within an in-
finitesimal logarithmicmass bin 𝑑 log10 𝑀ℎ . This halomass function
is plotted in Figure 6.
The neural network we have developed provides highly accurate

predictions for the halo mass function at various redshifts, with a
particular focus on the low-mass end at low redshift. The network
achieves this precision by learning small-scale structures from the
target high-resolution simulations instead of solely relying on the
low-resolution input data. Ourmodel successfully captures the small-
scale structures and the halos with masses as low as 1011ℎ−1𝑀� .
For high redshift(𝑧 = 10, 7), the ratio plot shows large error bar at
1011ℎ−1𝑀� and 1012ℎ−1𝑀� , which because only one or two halos
are formed with large masss at high redshifts, and our SR model
successfully predicts those halos. The halo mass function shows 50
percent discrepancy at 𝑧 = 4 in region 1012ℎ−1𝑀�𝑡𝑜1013ℎ−1𝑀� ,
this outcome is influenced by our training set sampling strategy,
which is uniformly distributed in log(a). However, our result at z=0
takes advantage of this sampling strategy, successfully aligning with
the HR halo mass function within 10 percent discrepancy.

3.3 Merger trees

The Rockstar code (Behroozi et al. 2013) is utilized to generate the
merger tree history for the HR and generated SR fields. The algo-
rithm employs the adaptive hierarchical refinement of FOF method
to whole 6D phase space, which are then progressively refined to de-
termine the subhalos. The particles are assigned to the closest halo,
and unbound particles are removed. The halo properties are then cal-
culated, with the halo containing the maximum number of particles
from the previous time step considered its descendant.
In our study, we use 95 time-consistent snapshots from LR to

create SR and employ the consistent-trees algorithm to create the
merger trees. Merger trees are constructed by using particle IDs to
match halos between snapshots and parent-child relationships are
determined. We generate 3 different time evolution test sets from LR
simulations and compare them with corresponding HR simulations.
Figure 7 shows examples of massive halo merger trees, with the

upper panels taken from the HR field and the lower from the SR
field, with the bottom to top progression representing redshift 𝑧 = 5
to redshift 𝑧 = 0. The size of the circles is proportional to the square
root of the halo mass. As time evolves, the halo gains mass while
smaller halos merge into the main progenitor (the most massive halo
at each snapshot). We can find that HR trees showsmass fluctuations,
and our merger trees derived from SR field successfully capture these
dynamics.To further compare merger trees from HR and SR, we
utilize additional statistical methods to compare SR and HR merger
trees.

3.3.1 Main branch length

One of the most straightforward attributes of a tree is the length of the
main branch. This measures the extent to which a halo can be traced
back in time, initiating, in our case, at 𝑧 = 0. The length of the main
branch for a particular halo is determined by the number of snap-
shots where the most massive progenitor of that halo exists (Srisawat
et al. 2013). Figure 8 shows the distribution of main branch length
for halos in different mass ranges. The halo mass ranges are divided
into three regions, with the upper panel showing halos with mass
less than 1011ℎ−1𝑀� , the middle panel displaying halos with mass
ranging from 1011ℎ−1𝑀� to 1012ℎ−1𝑀� , and the lower panel show-
ing halos with mass greater than 1012ℎ−1𝑀� . The solid blue lines
represent the main branch length distribution calculated from the SR
field. The dashed black lines are the distribution derived from HR
simulations, with the same initial conditions for the LR which serves
as the input for the SR field. In general, larger halos tend to have a
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Figure 7. Examples of generated merger trees, where the upper 3 merger trees are from the HR field and the lower 3 merger trees are from the SR field. Time is
depicted as progressing from bottom to top, covering the redshift range of 𝑧 = 5 to 𝑧 = 0. The radius and color of each dot is proportional to the halo mass.

longermerger history compared to smaller halos, as they are typically
formed through the merging of multiple smaller halos over time. For
halos with mass 𝑀 < 1011ℎ−1𝑀� , we observe that the both SR and
HR have many short branch halos, meaning that many of them are
born roughly 10 snapshots ago. Our SR model succesfully capture
that with consistency at mass region 𝑀 < 1011ℎ−1𝑀� . Similarly in
mass region𝑀 > 1012ℎ−1𝑀� , the massive halos tend to have longer
history. Remarkably, the SR and HR main branch length values ex-
hibit essentially good agreement for halos of 𝑀 < 1011ℎ−1𝑀� . For
larger mass halos within range 1011 < 𝑀 < 1012ℎ−1𝑀� , the SR
field predicts a higher number of halos with a shorter merger histo-
ries compared to HR. This discrepancy may arise from unresolved
small-scale structures and associated randomness in particles, lead-
ing to incorrect resolution of halo histories and thereby generating
more halos with short merger histories. Additionally, it could be that
the SR model is generating more noisy small-scale structures, caus-
ing the halo to appear later than expected. Additionally, in Figure 3
(middle panel) of the paper cited as (Srisawat et al. 2013), a discrep-
ancy between different tree building algorithms is comparable to the

difference we have between HR and SR model in our study. This
suggests that while our SR model does introduce additional source
of error, its performance is comparable to variation in different tree
building algorothms.

3.3.2 Number of direct ancestors

The number of direct ancestors at each node in the merger tree is
also a subject of interest, as it provides a direct measurement of
the width distribution of all the merger trees (Srisawat et al. 2013)
(cf. the length of trees, quantified in Section 3.3.1). In Figure 9
we plot the number of tree nodes with direct ancestors, for both
HR and SR, including all halos taken from each of four different
redshift ranges. The maximum number of direct ancestors for halos
in different redshift regions was investigated in both HR and SR
simulations. While the precise value of this statistic depends on the
spacing between snapshots, it is still interesting to compare HR and
SR results since the SR fields were generated from the corresponding
LR simulations. Halos were classified based on the number of direct
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Figure 8. The distribution of the main branch length, 𝑙, of merger trees at
redshift 𝑧 = 0. The fraction of merger trees in each 𝑙-bin is displayed on the
y-axis, and the x-axis is the length of the main branch in number of snapshots.
The halos are divided into three mass bins, as shown in the upper, middle and
lower panels. The shaded area shows the 1𝜎 standard deviation measured
from the 3 test sets.

Figure 9. Plots of the number of direct ancestors, using halos from different
redshift ranges. The blue curve are counts of halos (tree nodes) calculated
from SR fields and the orange histograms are from HR simulations with the
same initial conditions and random seed. The shaded area shows the 1𝜎
standard deviation measured from the 3 test sets.

ancestors, with most having only one direct ancestor in both HR and
SR. As redshift increases, halos tend to have fewer direct ancestors.
Our SR model successfully predicts a statistically accurate number
of merger events across different redshift ranges.

Figure 10. Distribution function of logarithmic mass(𝑀200𝑐) growth along
halo main branches, for all pairs of halos where both masses exceed
1012ℎ−1𝑀�

3.4 Mass growth along the halo main branch

The logarithmic growth rate of main branch halos, denoted as
𝑑𝑙𝑜𝑔𝑀/𝑑𝑙𝑜𝑔𝑡, can be approximated by the following expression
(Srisawat et al. 2013),

𝑑𝑙𝑜𝑔𝑀

𝑑𝑙𝑜𝑔𝑡
≈ 𝛼𝑀 (𝐴, 𝐵) = (𝑡𝑘+1 + 𝑡𝑘 ) (𝑀𝑘+1 − 𝑀𝑘 )

(𝑡𝑘+1 − 𝑡𝑘 ) (𝑀𝑘+1 + 𝑀𝑘 )
(5)

Here, 𝑀𝑘 and 𝑀𝑘+1 are the masses of a halo and its descendent at
times 𝑡𝑘 and 𝑡𝑘+1, respectively. The distribution function of 𝛼𝑀 is
shown in Figure 10 for every pair of main-branch halos for which the
mass of each exceeds 1012ℎ−1𝑀� . A positive 𝛼 value implies mass
growth from 𝑡𝑘 to 𝑡𝑘+1 and negative 𝛼 value implies mass loss from
𝑡𝑘 to 𝑡𝑘+1.
As seen in Figure 10, most of the time halos are gaining mass, but

there are also significant periods of mass loss. However, significant
mass loss is unphysical and is due to misidentifications occurring
during the halo identification and tree construction phases (see Sri-
sawat et al. 2013, for more discussion). Most importantly, we can see
that the distribution of halo mass growth for HR and SR simulations
shows consistency. The SR curve display a higher peak of halos los-
ingmass with 𝛼 from -2 to -1 and a shifted peak from 𝛼 = 1 to 𝛼 close
to 2. This is impacted by the presence of noisy small-scale structures
and the collection of particles generated by SR model surrounding
the corresponding LR particle chunk, which can lead the halo finder
and tree builder to predict mass loss more frequently, or, predict that
halos are accruing more mass than they should. This is limited by the
super-resolution model which can not have visually sharp structure
and good generalization at the same time.

3.5 Mass fluctuations of halo main branches

We would like to quantify the mass fluctuations that come from the
natural growth process or from halo misidentification and use this
statitic to compare our SR and HR simulations. Again following
(Srisawat et al. 2013), we use the statistic b (𝑘) for this purpose:

b (𝑘) = arctan𝛼𝑀 (𝑘, 𝑘 + 1) − arctan𝛼𝑀 (𝑘 − 1, 𝑘)

Here, 𝛼𝑀 is defined as in Eq. 5, and 𝑘 − 1, 𝑘, 𝑘 + 1 represent
consecutive timesteps.
Physically, b (𝑘) measures the change in the slope of the mass

accretion rate between two consecutive steps and thus ranges from 𝜋
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Figure 11.Distribution function of logarithmic mass growth along halo main
branches, all pairs of halos for both mass exceed 1012ℎ−1𝑀�

to −𝜋. Here the extreme cases are confined to the region where b/𝜋
is close to -1 and 1, but at these extremes the statistic indicates that
the halo is losing and then gaining (or gaining then losing) mass over
two consecutive time steps.
In Figure 11, the mass fluctuations measured from SR and HR

models matches well around b = 0, and so indicates that the SR
model successfully captures the process of natural mass gain and
loss during halo evolution. The discrepancies that are seen represent
a very small fraction of halos: the SR curve at -1 and 1 is higher than
the HR curve, meaning more extreme cases than HR field. This is
also consistent with the conclusion from Figure 10.

4 DISCUSSION

The application of super-resolution (SR) techniques to the 6D phase
space of cosmological simulations has been explored in previous
works (Li et al. 2021; Ni et al. 2021), where neural networks (NNs)
were trained on a single redshift, limiting the generated SR field to
only that redshift. In contrast, our SR model, once trained is able
to generate a full 6D super-resolution field at any redshift required,
using the scale factor as a style parameter to control the output
Lagrangian field (displacement and velocity). Notably, by using data
from an LR simulation consisting of a set of snapshots ordered in
time, we can generate the time evolution of SR field, where the large-
scale structure is naturally consistent with the LR input and small-
scale structures also have time consistency but can be controlled via
random seeds. Our generated SR field can be treated in exactly the
same fashion as the output of an HR simulation with distinguishable
tracer particles, allowing for the construction of merger histories
through halo finders and tree-building codes.
In this study, we implemented our SR model to produce outputs

with 512 times higher mass resolution than LR simulations at vari-
ous redshifts. To validate the accuracy of our SR field, we compared
the matter power spectrum of the density field with HR simulations
and found that our model can match the power spectra within 5 per-
cent on small 𝑘 . For large 𝑘 , the maximum deviation observed lies
within a margin of 20 percent. This result is a significant improve-
ment compared to LR simulations that lack small-scale structures. To
evaluate the non-Gaussianity of the SR field and the time evolution
of dark matter particles, we utilized the FOF algorithm to calculate
the halo mass function and ROCKSTAR+Consistent-Trees to obtain
the merger trees.

The halo mass function was computed for both the SR and HR
fields, and the results show good agreement (within 20 percent) for all
halos with masses down to 1011ℎ−1𝑀� in the SR field. For 𝑧 = 4 the
difference is around 50 percent. However, by 𝑧 = 0, the discrepancy
is < 10 percent.
The merger trees also reveal a high level of similarity between the

SR and HR simulations. This demonstrates the effectiveness of our
SR approach for capturing the time evolution of a darkmatter simula-
tion. Furthermore, we also investigate different statistics to measure
the differences between SR and HR results. These measurement in-
dicate that the SR model can create statistical accurate mock halo
catalogs which can provide insight into the formation and evolution
of structures in the universe. Overall, this work has demonstrated the
potential of using neural networks for generating the full phase space
from LR simulations and should have wide implications for studying
structure formation in cosmology.
In this study, we have expanded on the findings of our previous

work (paper II) to encompass a wider range of redshifts. Our current
efforts are focused on further refining the super-resolution technique
by imposing stricter constraints on the time domain. Additionally,
we plan to incorporate the use of additional style parameters that
represent cosmological parameters, or perhaps simulation parame-
ters (e.g., resolution enhancement factor) in order to enable wider
applications of the SR technique in cosmology.
Our study demonstrates that the accuracy of the SRmodel strongly

depends on the selection of particular statistical metrics, which corre-
late with different applications. Consequently, additional constraints
can be implemented and incorporated into the neural network. Alter-
natively, we could consider adopting a different model in the future.

5 SUMMARY AND CONCLUSION

In this work, we present a super-resolution model that can generate
the full 6D phase space displacement and velocity fields represented
by tracer particles, equivalent to the output from a real cosmological
simulation. Our model is conditioned on low-resolution simulations
and takes as an input style parameter the required cosmic scale fac-
tor. By doing so, our model enhances the simulation resolution by
generating 512 times more tracer particles at various redshifts. We
compare power spectra and halo mass functions obtained from our
novel super-resolution (SR) models to those from the corresponding
cosmological 𝑁-body simulations. We first validate the effectiveness
of our super-resolution (SR) model by examining statistics of the
entire dark matter field. We demonstrate that our generated SR fields
match the power spectra of true high-resolution (HR) simulations to
within a 20 percentage level.
In addition to validating the statistical properties of our SR model,

we demonstrate its ability to generate visually authentic small-scale
structures that are well beyond the resolution of the LR input. We
also present a visualization of the temporal evolution of the SR field.
We conduct an analysis of dark matter halos within the generated
SR fields. Our results demonstrate that our SR model can produce
small-scale structures that possess a visually realistic appearance,
surpassing the resolution of the LR input and exhibiting statistical
agreement with those derived from direct 𝑁-body simulations. The
quantitative analysis of the abundance of the halo population shows
that the SR field exhibits good agreement with the HR field, with
differences of less than 20 percent at most redshifts. At 𝑧 = 4, we
observe an overshoot in the halo mass function of approximately 40
percent around 1012ℎ−1𝑀� to 1013ℎ−1𝑀� .
To investigate the time evolution of the SR field, we generate 95
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snapshots of the SR field from a time-consistent LR simulation. This
enables us to create realistic merger trees for halos at redshift 𝑧 = 0,
as well as track the evolution of the final halo. Due to differences
in small-scale structures between the SR and HR fields, direct com-
parison of individual merger trees is not meaningful. Therefore, we
employ the main branch length and branching ratio to statistically
compare the population of generated merger trees from the SR and
HR fields. We evaluate the mass fluctuation along the main branch
and our SR model predicts higher percentage of halos losing mass
and a shifted peak indicates that halos are gaining more mass. Our
findings demonstrate that the SR model is capable of generating
merger histories that are solely dependent on the time-consistent
LR input. This indicates the potential for studying time evolution
of cosmic structure in detail using only LR simulations as an in-
put. One important application of this work is the creation of mock
catalogs from large scale surveys. The generation of realistic halo
merger trees plays an important role in studying galaxy formation.
Building semi-analytic models based on accurate halo identification
and well-construct merger trees is quite costly through conventional
high-resolution large boxsize N-body simulations. However, with the
use of SR model, we are able to construct these realistic merger trees
in a more time and resource efficient manner.

DATA AVAILABILITY

Our framework for training the super-resolution (SR) model is
available at https://github.com/sagasv5-xw/map2map on the
’styled srsgan’ branch. This PyTorch-based framework is a general-
purpose tool for transforming field data. The trained SR models and
the pipeline for generating SR fields can also be found in the same
branch. The training and test data sets generated during this work
will be made available upon reasonable request to the corresponding
author.
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Abstract. The investigation of the data for quasi-periodic pulsations observed in the X-ray
spectra of the accreting millisecond pulsar XTEJ 1807-294 allows some conclusions to be
made about its main parameters – mass and angular momentum. Seven different geodesic
models – namely RP, RP1, RP2, TP, TP1, WD and TD are applied in attempt to assess
their ability to describe the properties of the central neutron star.
Key words: pulsars: general – pulsars: individual XTEJ 1807-294 – stars: neutron – X-rays:
binaries – Accretion, accretion disks

Introduction

The field of X-ray timing was revolutionized by the launch of Rossi X-ray
Timing Explorer (RXTE) on the 31st of December 1995, a space observatory
carrying the Proportional Counter Array (PCA). The latter is an X-ray de-
tector with a timing resolution down to milliseconds that allows extraction of
X-ray data for stars in latest stages of their evolution.

Most of the information that we have about the observed low mass X-ray
binaries (LMXB) is obtained through the studying of the X-ray spectra emit-
ted by the accretion disk surrounding the central object, an already evolved
initially massive star – a black hole (BH) or a neutron star (NS). Neutron
stars and black holes posses extremely strong gravitational field that can be
tested through the exploration of the accreted gas motion and emission. The
emission is in X-ray range, it is persistent and proves to be quasi-periodic. The
observed frequencies can be naturally connected to the geodesic frequencies of
motion of a test particle in the accretion disk. It is possible, of course that the
quasi-periodic oscillations (QPOs) arise as a result of the intrinsic properties
of the accretion disk flow rather than its geometry - for example magnetically-
driven density waves in the disk, (Tagger& Pellat, 1999). The geodesic models
are simpler, though, and hence - more attractive.

QPOs can be devided in two groups – low-frequency (LF QPOs) and high-
frequency (kHz QPOs). An advantage of LF QPOs, which tend to drift in
frequency, is their strength, kHz QPOs are weak and rarely observed but
have one significant advantage – some of them appear in pairs - a lower νL
and a higher νU with rational frequency ratio (for example 3 : 2 or 3 : 1).
Such a relation allows the equations that connect these frequencies to the
basic properties of the central objects - NS or BH to be solved and a relation
between the mass and the angular momentum of the object in question to be
obtained.

This mass-angular momentum relation allow one of these parameters to
be evaluated, if the other is known from additional data (for example, pho-
tometry). We are set to solve another problem – by testing different geodesic
models to find the one that is the most suitable for the description of the
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frequenceis of the QPOs observed in the X-ray spectrum of XTE J1807-294
and, hopefully, for a certain class of objects.

Linares et al. (2005) reported in 2005 for the first time twin kHz QPOs of
the X-ray flux of the low mass binary XTE J1807-294. They observed eight
different pairs of simultaneous kHz QPOs. In the present paper we apply seven
different models that can be found in the literature – namely the relativistic
precession model (RP), and its two modified versions (RP1) and (RP2), the
total precession model (TP) and its modified version (TP1), the tidal disrup-
tion model (TD) and the warped disk model (WD), in an effort to explain the
values of the observed frequencies of the QPOs. The optimal mass Mopt and
optimal angular momentum aopt of the object are obtained with the help of
the χ2 goodness-of-fit test.

The paper is organized as follows. After presenting the data of the twin
kHz QPOs in XTE J1807-294 in Section 1 we proceed with a brief description
of the models we intend to use in Section 2. The description of the χ2 test
application and the discussion of the obtained results are presented in Sections
3 and 4 subsequently. The last section is the conclusion.

The masses received are in solar masses, the radii x are scaled with the
gravitational radius i.e. x = r/rg , where rg = GM/c2. The specific angular
momentum is a = cJ/GM2 and, as usual for general relativity, G = 1 = c
where G is the universal gravitational constant and c is the speed of light.

1. Observational data

The first detection of XTE J1807–294 was on 13th of February, 2003, during
the periodic scans of the Galactic bulge region by means of RXTE (Markwardt
et al., 2003). The object was in an outburst that lasted approximately 120
days. Linares et al. (2005) reported the presence of twin QPOs using data
from 27th of February to 16th of March 2003. A multi-Lorentzian function
is used to fit the power spectrum of each of the eight groups. Table 1 enlists
the eight groups of data and their corresponding frequencies given in (Linares
et al., 2005). Seven of them seem to exhibit simultaneous QPOs. The first
sample, A has to be treated with caution since the identity of the lower kHz
QPO is not clear in set A.

Table 1. Twin kHz QPO frequencies with their uncertainties

group νL, [Hz] νU , [Hz]

A 106.0 ± 23.0 337.0 ± 10.0
B 163.0 ± 23.0 354.0 ± 4.0
C 191.0 ± 9.0 375.0 ± 2.0
D 202.0 ± 11.0 395.0 ± 3.0
E 238.0 ± 25.0 449.0 ± 9.0
F 259.0 ± 16.0 465.0 ± 2.0
G 273.0 ± 19.0 492.0 ± 5.0
H 370.0 ± 18.0 565.0 ± 5.0
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2. Geodesic models

When massive stars, such as neutron stars or black holes, in binary systems
reach their final stage of evolution an accretion disk is formed around them
due to the matter in falling from the companion star. The accreted matter
is moving along slightly eccentric orbits close to the innermost stable circular
orbit (ISCO) and its emission could be responsible, on the first place, for the
QPOs in the X-ray power-density spectrum. Therefore, the fundamental fre-
quencies of motion of test particles flowing with the accreted matter, namely,
the orbital frequency νφ, the radial νr and the vertical νθ epicyclic frequencies,
and simple combinations of them could be responsible for the frequencies ex-
hibited in the X-ray spectrum. The role of the test particle is usually played
by a conglomerate of hot blobs flowing with the stream of matter attracted
by the central object.

In the “relativistic precession” model RP proposed in (Stella & Vietri, 1998;
Stella et al., 1999; Merloni et al., 1999) the upper frequency νU is considered
a direct result of the modulation of the X-ray flux by the orbital frequency
of the blob and νU=νφ. The lower frequency νL coincides with the periastron
precession of the relativistic orbit i.e. νper = νφ−νr. According to the RP1 and
the RP2 models the precession mode and an oscillation mode of a hot inhomo-
geneity flowing in a slightly eccentric torus interact thus creating a resonance
responsible for the X-ray emission variability - (Bursa, 2005). According to the
RP2 model, (Torok et al., 2011; Torok et al., 2012) kHz QPOs are produced
due to resonance between the radial and the vertical modes.

In the tidal disruption model (TD) the hot orbiting blobs are distorted by
the tidal forces of the central object and form arches responsible for the ob-
served modulation of the flux, (Cadez et al., 2008; Kostic et al., 2009; Germana
et al., 2009).

According to “warped disk model” (WD) (Kato, 2004a; Kato, 2004b; Kato,
2004c; Kato, 2005a; Kato, 2005b) a resonance due to a distortion in the ac-
cretion disk is proposed as an excitation mechanism for the orbiting particle
oscillations.

The two total precession models TP and TP1 emphasize on the significance
of the vertical precession mode which is causing the resonance responsible for
the QPOs (Stuchlik et al., 2007). The total precession frequency is νT = νper−
νLT=νθ−νr, where νLT is the Lense-Thirring frequency or the nodal precession
frequency of the orbital plane. The total precession nuT frequency corresponds
to the time interval for which the declination of the quasi-eccentiric plane
and position of the periastron reach the initial state simultaneously. The TP1
model utilizes νU=νφ instead of νU=νθ for TP model.

The prescriptions of the used models for the frequencies of the kHz QPOs
are summarized in Table 2.

3. χ2 Goodness-of-fit test

3.1 Recipe for the evaluation of the model function

The χ2 test is a powerful tool for consistency check. Different models yield
different mass-angular momentum relations and subsequently different main
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Table 2. Models for the kHz QPOs. References: 1. Stella & Vietri, 1998; 2.
Stella et al., 1999; 3. Merloni et al., 1999; 4. Bursa, 2005; 5. Torok et al., 2011;
6. Torok et al., 2012; 7. Stuchlik et al. 2007; 8. Cadez et al., 2008; 9. Kostic
et al., 2009; 10. Germana et al., 2009; 11. Kato, 2004a; 12. Kato, 2004b; 13.
Kato, 2004c; 14. Kato, 2005a; 15. Kato, 2005b.

Model νL νU Ref.
Relativistic precession models

RP νφ − νr νφ 1, 2, 3
RP1 νφ − νr νθ 4
RP2 νφ − νr 2νφ − νθ 5, 6

Total precession models
TP νθ − νr νθ 7
TP1 νθ − νr νφ 7

Tidal disruption model
TD νφ νφ + νr 8, 9, 10

Warped disk model
WD 2(νφ − νr) 2νφ − νr 11, 12, 13, 14, 15

parameters of the central object - mass M and specific angular momentum a
. The χ2 test allows us to distinguish between the models and to choose the
best fitting one.

We have data that consist of eight pairs of values for the lower νL and
the higher νU observational frequencies of the millisecond pulsar XTE J1807-
294. Here we study the νL=f(νU ) correlation. The model function, however,
is known only in parametric form. It is defined by the system:

νL(a,M, x) = νobsL (1)

νU (a,M, x) = νobsU (2)

where νobsL and νobsU are the observed values of the frequencies and xobsL and
xobsU are the radii of the orbits on which they originate. For the set of models
considered here it is assumed that xobsL =xobsU , i.e. the simultaneous kHz QPOs
originate on the same radius.

For given M and a , from eq. (1b) we can express x as function of νobsU ,
x = f(a,M, νobsU ). This value is plugged in the model function for the lower
frequency, νL . This recipe allows us to predict the value of the lower frequency
νL for each of the observed values of the upper frequency νobsU . Thus predicted
values are then compared to the observed ones.

3.2 Explicit formulae for the frequencies

The application of the recipe described above requires explicit expressions for
the frequencies νL and νU . As already mentioned, for the set of geodesic models
studied here νL and νU are simple linear combinations (See Table 1) of the
fundamental frequencies of motion of a test particle moving in the innermost
parts of the accretion disk: the orbital (Keplerian) frequency νφ, the vertical νθ
and the radial νr epicyclic frequencies. Explicit formulas for the fundamental
frequencies are given in the Appendix. They are obtained with Kerr metric.
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The applicability of this metric for the description of the spacetime in
the immediate vicinity of a neutron star is questionable and is one of the
caveats of the current study. It is justified for the evaluation of the fundamental
frequencies of neutron stars with specific angular momenta lower than 0.4 and
masses close to or higher than 2 solar masses, ((Török et al., 2010; Stuchĺık
& Kološ, 2015) and references therein). (See also the discussion made on this
issue by Stefanov, (2016).) The Kerr metric is rather attractive due to the
simplicity of the analytic expressions and the fact that it has only two free
parameters, mass and angular momentum. This is why we choose to work with
it. Here we have worked with a wider range of values of the specific angular
momentum, a ∈ (0, 1) and check whether the estimates that we obtain for it
satisfy the constraint a < 0.4 when the uncertainties are taken into account at
the end. The application of the Kerr metric is also legitimate for objects with
M > 3M⊙ but since this is the theoretical upper bound on the neutron star
mass so heavy objects cannot be regarded as neutron stars.

3.3 χ
2 variable

The goodness of the fit is evaluated by the χ2 test. In order to apply it we
define the χ2 variable:

χ2

L(a,M) =
∑

i

(

νL(a,M, νU )− νobsL,i ,

σL,i

)2

(3)

where σL,i is the uncertainty of the -th observed value of the lower fre-
quency. The optimal values of the free parameters Mopt and aopt are obtained
through minimization of the function defined by eq. (2).

3.4 Acceptability criteria and uncertainties

For N=7 pairs and 2 free parameters, i.e. 5 degrees of freedom, χ2 should be
in the range 0 ≤ χ2

min ≤ 11, 1 corresponding to 90 percent confidence level.
We compare the values of Mopt, aopt and the minimum value of the chi-square
variable χ2

min obtained by the different models in attempt of choosing the best
one of them.

4. Results and disscusion

We have applied the χ2 test to 7 groups of data, from B to H (see table 1),
thus including only data for which the kHz QPOs appear to be simultaneous.
The graphs that depict how the lower frequency νL depends on the upper
frequency νU is given on Figure 1 for RP, RP1 and RP2 models, on Figure
2 for TP and TP1 models and on Figure 3 for TD and WD models. Table 3
contains the estimates for the optimal mass Mopt and the angular momentum
aopt according to the seven models that have been used.



6 R.Tasheva and I.Stefanov

In order to choose the best model explaining the observational frequencies
of the kHz QPOs three different criteria that have to be met - χ2

min that is
low enough, aopt that corresponds to the metric chosen and Mopt that is near
the appropriate value for a neutron star.

As we mentioned above, within 90 percent confidence level χ2

min must be
smaller than 11.1. According to this requirement the total precession models
TP and TP1 as well as the tidal disruption model TD have to be discarded
with χ2

min=12.50, 12.36 and 13.56 correspondingly. These models give mass
Mopt that is more than acceptable especially when the standard errors are
taken into account – between 2 and 4M⊙.

The Kerr metric can be applied for the description of the QPOs of slowly
rotating neutron stars with a < 0.4 (Török et al., 2010; Stuchĺık & Kološ,
2015). As it follows from this criterion, we are unlikely to explain successfully
the kHz QPOs of the studied object using any of the relativistic precession
models. Even though their χ2

min show good agreement between the frequencies
calculated by us using equations (1) and the data sets received by Linares et al.
(2005) - χ2

min < 11.1 , the angular momenta received are near the upper bound
for this parameter, 0.9−1.0. This conclusion does not change significantly, even
if the standard error of the results is considered - still a > 0.4.

Table 3. Estimates for the optimal mass Mopt and the angular momentum
aopt according to the applied models

model χ2

min aopt ± δa Mopt ± δM

RP 1.50 1.0± 0.1 11± 3
RP1 9.07 0.9± 0.3 6± 2
RP2 1.09 0.9± 0.1 13± 5
TP 12.50 0.0± 0.5 3± 1
TP1 12.36 0.2± 0.5 4± 2
WD 2.02 0.0± 1.4 3± 3
TD 13.56 0.0± 2.3 2± 2

The values of the mass that we obtain vary from 2M⊙ to 13M⊙ and
the chosen by us Kerr metric is legitimate for object with such masses. The
problem is that stars with masses greater than 3M⊙ in the final stages of their
evolution are considered black holes rather than neutron stars. Following this
line we have to mention that relativistic precession models yield the biggest
mass estimates – from 6± 2M⊙ for RP1 to 13± 5M⊙ for RP2 i.e. they tend
to overestimate the mass value and this trend is the worst for RP2. The total
precession models TP and TP1 show mass that is appropriate for a neutron
star, low angular momentum 0.0 ± 0.5 and 0.2 ± 0.5 respectively but bad
χ2

min > 12.0.
For three of the models – TP, WD and TD the estimated value of the

spin is near to zero, i.e. the optimal mass does not depend significantly on the
angular momentum (on the rotation of the object). From them we discarded
the tidal disruption model due to the big χ2

min = 13.56, even if the mass
calculated is the smallest one 2±2M⊙. So, the only model we cannot entirely
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reject under the conditions of our investigation is the warped disk model, WD
withχ2

min = 2.02, aopt = 0.0± 2.3 and Mopt = 2± 2M⊙.

Fig. 1. The νL(νU ) dependence according to the relativistic precession mod-
els. The dashed line represents the model function. The experimental points
coming from the different groups - from B to H are given with their uncer-
tainties.(a) RP model; (b) RP1 model; (c) RP2 model;

As we showed in (Tasheva & Stefanov, 2018) for the case of the RP model
the agreement between theory and experiment is better when the A data set
of (Linares et al., 2005) is not taken into account. The RP model shows the
best fitting of the data available according to the χ2 test (see also figure 1
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Fig. 2. The νL(νU ) dependence according to the total precession models. The
dashed line represents the model function. The experimental points coming
from the different groups - from B to H are given with their uncertainties. (a)
TP model; (b) TP1 model.

Fig. 3. The νL(νU ) dependence according to the TD and WD models. The
dashed line represents the model function. The experimental points coming
from the different groups - from B to H are given with their uncertainties. (a)
TD; (b) WD
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(a)), but the WD model is the most plausible. Our calculations suggest that
having in mind the standard error according to WD model the mass of XTE
J1807-294 is 2± 2M⊙. During the processing of the data through the χ2 test
the uncertainties of the independent variable had to be neglected. If they are
included, the results may change.

5. Conclusion

We applied seven geodesical models to the microquasar XTE J1807-294. The
dependence between the lower νL and the upper νU kHz twin QPOs found in
the datasets of Linares et al. (2005) tested by χ2 goodness-of-fit test allowed
us to obtain estimates for the mass and the spin of the studied object - the
ones for which χ2 = χ2

min. The best χ2

min = 1.5 received for the RP model
unfortunately does not make it the best model due to high optimal mass
Mopt = (11 ± 3)M⊙ and angular momentum aopt = 1.0 ± 0.1 that is not
compatible with the Kerr metric.

The relativistic precession models RP, RP1 and RP2 generally overestimate
the mass – from 6± 2M⊙ for RP1 to 13± 5M⊙ for RP2 makig it too big for
a neutron star. They also exhibit high angular momentum – near its upper
bound, which invalidates the application of the Kerr metric.

The total precession models TP and TP1 yield good angular momenta
0.0±0.5 and 0.2±0.5 respectively. The obtained mass is suitable for a neutron
star - 3 ± 1M⊙ and 4 ± 2M⊙, if the standard error is included. The χ2

test though shows a bad agreement between the observed and the calculated
frequencies χ2

min = 12.50 and χ2

min = 12.360, respectively, i.e. these models
also have to be rejected as non-adequate for description of the observed kHz
QPO frequencies.

The tidal disruption model TD shows the worst χ2

min = 13.56, the best
mass 2± 2M⊙ and spin near to zero. These controversial results may suggest
that some amendments of its concept are needed to make it more adequate to
the object properties.

The warped disk model, WD is the only model that cannot be rejected –
with χ2

min = 2.02, aopt = 0.0 ± 2.3 and Mopt = (2 ± 2)M⊙ it is the most
plausible model that can be used in order to explain the kHz QPOs of XTE
J1807-294.

The reasons why so many models fail to explain the kHz QPOs of XTE
J1807-294 could be multiple - neglected uncertainties of the independent vari-
able, non-simultaneous kHz QPOs, inappropriate choice of model. For further
investigations we intend to try another type of metric accompanied by cross-
over models – for example,the switch resonant model.
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ABSTRACT

Motivated by the recent discovery of a low surface brightness diffuse emission, a supernova remnant

(SNR) candidate, surrounding the young pulsar PSR J0837–2454, we carry out a likelihood analysis

of the γ-ray data obtained by the Fermi Gamma-ray Space Telescope from August 2008 to November

2022. Using a 2D Gaussian spatial template, we detect a significant extended γ-ray emission with

a 68% containment radius of ∼ 1◦.8, which is spatially coincident with the new SNR candidate at

∼ 12σ confidence level. The spectrum of the extended γ-ray emission, obtained in the energy range of

0.1–500.0 GeV, shows a significant spectral curvature at ∼1 GeV, with a log-parabola spectral shape.

Several scenarios, such as the SNR, pulsar wind nebula, and pulsar halo, are discussed as the potential

origins of the extended γ-ray emission, and our model fitting results are preferred for the SNR scenario.

Keywords: Gamma-rays(637); Pulsars (1306); Supernova remnants (1667)

1. INTRODUCTION

During the ending stage of massive star evolution, the

core of the star may undergo a powerful supernova ex-

plosion, collapsing into a rotating neutron star (i.e., a

pulsar), which may lead to the creation of a supernova

remnant (SNR), as the expanding gaseous remnant in-

teracts with the surrounding circumstellar and inter-

stellar medium. In our Galaxy, nearly 300 SNRs have

been identified by the radio observations (Green 2014,

2019) at low Galactic latitudes . 300 pc (Máız-Apellániz

2001). Thanks to the γ-ray telescopes, approximately

40 SNRs have been detected with γ-ray emissions (Zeng

et al. 2019, and references therein), including the GeV

γ-ray SNRs detected by Fermi, e.g. IC 443 and W44

(Ackermann et al. 2013), and the TeV γ-ray SNRs de-

tected by the ground-based Cherenkov telescopes (e.g.

HESS, HAWC, VERITAS and LHAASO), such as RX

J1713.7-3946 (H. E. S. S. Collaboration et al. 2018a),

G106.3+02.7 (Acciari et al. 2009; Albert et al. 2020;

Cao et al. 2021), etc. SNR’s electromagnetic emissions

extend from MHz radio frequencies to TeV γ-ray ener-

gies (Zeng et al. 2019, 2021). The high-velocity shock of

SNR could accelerate cosmic rays to very high energies

(even up to hundred of TeV). The studies of the γ-ray

emissions from SNRs provide us excellent tools for prob-

ing the interstellar medium and stellar evolution in our

Galaxy, especially for the Galactic cosmic rays acceler-

ation.

Recently, Pol et al. (2021) reported a discovery and

timing of a young pulsar PSR J0837–2454 at a high

Galactic latitude with a Galactic coordinate (J2000) of

l = 247◦.6 and b = 9◦.8. They presented the pulsar’s

timing solution by using the radio data from the Parkes

radio telescope. Its spin period (P ) and spin-down rate

(Ṗ ) are 629.4 ms and 3.5×10−13 s s−1, respectively. And

the characteristic age (τc = P
2Ṗ

; Lorimer & Kramer

2012) is 28.6 kyr based on the assumption that the

magnetic-dipole braking as the only energy-loss mech-

anism with a braking index of 3 and P � Pinit (Pinit is

the pulsar’s initial spin period). Its spin-down luminos-

ity (Ė) is calculated to be 5.5×1034 erg s−1, and the sur-

face dipole magnetic field strength (BS) is 1.5× 1013 G.

Based on the NE2001 electron density model provided in

Cordes & Lazio (2002), Pol et al. (2021) claimed that the

pulsar locates at a larger distance of 6.3 kpc inferred by

a DM-derived distances, which implies that PSR J0837–

2454 appears at the edge of Galaxy and has a z-height

above the Galactic plane of 1.1 kpc. If this value is true,

PSR J0837–2454 will be the first pulsar known to be

born from a runaway O/B star.

Furthermore, they also claimed a discovery of a low

surface brightness diffuse emission with a region of ∼
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1◦.5 extent concentrated around PSR J0837–2454 by

using the archival Galactic and Extragalactic All-sky

Murchison Widefield Array Survey (GLEAM; Hurley-

Walker et al. 2017) data in 170–231 MHz bands1. And

the diffuse emission has a morphology consistent with

a SNR. Based on the data from GLEAM and Southern

Hα Sky Survey Atlas (SHASSA; Gaustad et al. 2001),

the distance for the diffuse emission is estimated to be

∼0.9 and 0.2 kpc, respectively, which is much smaller

than that predicted by Cordes & Lazio (2002). If the

diffuse emission is indeed an SNR associated with the

high Galactic latitude pulsar, searching for the multi-

wavelength emission of the SNR, especially in γ-ray,

would be helpful to study the particle acceleration and

probe the interstellar medium above the Galactic plane.

Motivated by their report, we carried out the data analy-

sis with the γ-ray data surrounding PSR J0837–2454 col-

lected by the Large Area Telescope onboard the Fermi

Gamma-ray Space Telescope (Fermi -LAT; Atwood et al.

2009). And this paper is structured as follows: the like-

lihood analysis for the Fermi -LAT data and the main

results are described in Section 2. Discussions of the

probable physical origins for the extended γ-ray emis-

sion are shown in Section 3. In Section 4, we present a

summary.

2. DATA ANALYSIS AND RESULTS

2.1. Fermi-LAT Data and source model

Around the position of PSR J0837–2454 reported by

Pallanca et al. (2017) (R. A.=129◦.49, decl.=−24◦.91),

there is a γ-ray point source named as 4FGL J0838.9–

2502 in the Data Release 3 of the fourth Fermi-LAT

source catalog (4FGL-DR3; Abdollahi et al. 2022) based

on 12 yr data. In the 4FGL-DR3, 4FGL J0838.9-2502

has no associated source in other wavelengths, and its
γ-ray spectrum is described by a log-parabola spectral

shape (LP) of dN/dE = N0(E/Eb)
−[α+β log(E/Eb)] with

α=2.60, β=0.45 and Eb=1.03 GeV (Abdollahi et al.

2022). The following data analysis is aiming to deter-

mine the association between this γ-ray source and PSR

J0837-2454 or the SNR around it.

Firstly, we carried out a whole data analysis in order

to update the catalog’s parameters for the γ-ray sources

in the region of interest (RoI) with the 14 yr Fermi -

LAT observations. We selected the Fermi -LAT Pass 8

Front+Back events (evclass = 128 and evtype = 3) in

the energy range of 0.1–500.0 GeV within a 20◦ × 20◦

RoI centered at the position of 4FGL J0838.9−2502.

The observations span from August 4 2008 to Novem-

1 https://vo.astron.nl/tgssadr/q fits/cutout/form

ber 24 2022 (MJD: 54682.687-59907.214). The events

with zenith angles > 90◦ were removed to exclude the

γ-ray contamination from the Earth Limb. The expres-

sion of “DATA QUAL > 0 && LAT CONFIG == 1”

was used, for gtmktime, to save the events having high-

quality with flags of “good” in the good time intervals.

In our data analysis, the instrumental response func-

tion of “P8R3 SOURCE V3” and the software package

of Fermitools–2.2.0 were used for the data reduction.

Based on the newest 4FGL-DR3 catalog, we used a

python script, make4FGLxml.py2, to create a model

file. The model file includes all the spectral parameters

of the γ-ray sources in 4FGL-DR3 within 25◦ around

4FGL J0838.9−2502. We freed the normalizations and

spectral parameters for the sources within 5◦ of the ROI

center, and the normalizations for the sources within

5◦–10◦, together with the ones which are 10◦ outside

but identified as variable sources. The normalizations of

Galactic and extragalactic diffuse emission components

were also set free. All other parameters in the model

file were fixed to be their values provided in 4FGL-DR3.

Then, a binned maximum likelihood analysis was per-

formed between the whole LAT data set and the above

model file. Then we saved all the best-fit parameters as

a new model file. In order to reveal the γ-ray emissions

around 4FGL J0838.9–2502, a TS map with a region

of 6◦ × 6◦ was created based on the new model with

gttsmap by fixing all model parameters for all 4FGL-

DR3 sources including the two diffuse backgrounds, and

removing 4FGL J0838.9–250 from the model. The TS

map is shown in the left panel of Figure 1, and a sig-

nificant extended γ-ray emission (hereafter named as

SG0837) is positional coincident with the SNR candi-

date reported in Pol et al. (2021).

2.2. Spatial Analysis

In order to study the spatial extension of the γ-

ray emission from SG0837, we employed the Fermi

ScienceTools packaged in Python (Fermipy) to derive

the best-fit position based on the assumption that the

SG0837 is a point source. Its coordinate was derived

to be R. A.=129◦.64 and decl.=−24◦.97 with a 2σ er-

ror radius of 0◦.15, which is shown as a purple cross

in Figure 1, together with its error circle marked by the

dashed circle. Based on the new coordinate, we obtained

SG0837’s TS value to be ∼82.44 as a point source. Then

we used two spatial models, an uniform disk and a 2D

Gaussian extended template, to describe the γ-ray emis-

sion from SG0837. The best-fit central positions and

2 http://fermi.gsfc.nasa.gov/ssc/data/analysis/user/
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Figure 1. TS maps in 0.5–500.0 GeV covering 6◦ × 6◦ region around the new found SG0837, centered at the position of 4FGL
J0838.9–2502 with each pixel of 0◦.1. Left panel: TS map for the γ-rays from SG0837. PSR J0837–24 is flagged with a cyan
plus. The best-fit Fermi-LAT position of the 2D Gaussian template is marked with an orange plus, and its best-fit extension
is indicated by an orange dashed circle. The best-fit positions of the uniform disk and point source models are marked with
black and purple crosses, respectively. The positional uncertainty of point source is marked by the purple dashed circle. The
pink contours are derived based on the TS value at each pixel, and the ∆TS between the neighbouring contours is 8.6. All
γ-ray sources in the 4FGL are colored with green and labeled with ‘4FGL’. Right panel: the residual TS map by subtracting
the γ-rays from all sources inlcuding SG0837. And the two TS maps share same scaled colorbar for convenient comparison.

Table 1. Spatial Analysis Results

Template(1) Position(2) TS(3) Γ(4) –L(5) DoF(6)

Point source 129◦.64± 0◦.06, –24◦.97± 0◦.06 82.44 2.54± 0.09 –1018839.61 4

Uniform disk 129◦.95± 0◦.09, –24◦.78± 0◦.14; R68 = 1◦.97+0◦.25
−0◦.23

161.30 2.09± 0.05 –1018878.54 5

Uniform disk+Point source — 158.98; 11.09 2.07± 0.09; 2.33± 0.40 –1018882.81 9

2D Gaussian 129◦.93± 0◦.14, –24◦.67± 0◦.14; R68 = 1◦.80+0◦.25
−0◦.22

178.88 2.06± 0.04 –1018886.21 5

2D Gaussian+Point source — 176.81; 9.81 2.04± 0.06; 2.34± 0.29 –1018890.01 9

Notes. Likelihood results of spatial analysis. (1) Spatial templates used in the spatial analysis. (2) Best-fit position and the
radius containing 68% of the intensity (R68) derived with package of Fermipy. The best-fit likelihood results of TS value, PL
index, and –log(Likelihood) values are listed in Columns (3), (4), and (5), respectively. (6) Degree of freedom (DoF) for source
models.

extensions of the two extended templates are listed in

Table 1.

Using the positions and extensions of the two spa-

tial models, we performed the likelihood analysis again,

and the best-fit results are summarized in Table 1. In

these analysis, the spectral shape of power-law (PL),

dN/dE = N0(E/E0)−Γ, for each extended spatial model

is employed in order to compare their likelihood results

easily. The significance of the extension for a γ-ray

source is defined by a likelihood-ratio test as shown in

Lande et al. (2012), which can be calculated by TSext

= −2(logLpt − logLext), where Lpt (null hypothesis)

and Lext (alternative hypothesis) are the maximum like-

lihood values for point source model and spatial ex-

tended source model, respectively. For the likelihood

results listed in Table 1, we found that the 2D Gaussian

template is significantly preferred to the point source

model with TSext ∼ 93, which corresponds to the signif-

icance level of 9.6σ with one additional degree of freedom

(DoF).

The TS value of the 2D Gaussian template is 178.88 in

the likelihood analysis based on the spectral shape of PL,

corresponding to a significance level at ∼ 12σ with five

DoFs. The best-fit position of the 2D Gaussian template
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was derived to be R. A.=129◦.93 and decl.=−24◦.67

with a 68% containment radius of ∼ 1◦.8. The position

and extension are shown in Figure 1 with an orange plus

and a dashed circle, respectively. From Figure 1, we can

see that the angular radius visually encloses the most

of extended γ-ray emissions from SG0837. We updated

the model file with the best-fit values in this likelihood

analysis with the 2D Gaussian template. Then a resid-

ual TS map was created based on the updated model

by fixing all model parameters for all sources (including

SG0837) in the model file, which is shown in the right

panel of Figure 1. None of obvious excess suggests that

2D Gaussian template can well describe the SG0837’s

γ-ray emission.

Meanwhile, we also tested other complex models, i.e.

2D Gaussian/uniform disk plus a point source, and the

likelihood results are shown in Table 1. The TS of the

point source is not significant with TS
PS
< 16, and these

models are not favored in the further analysis. More-

over, we also performed a timing analysis by folded the

Fermi -LAT data using the ephemeris for PSR J0837–

2454 (Pol et al. 2021), while no creditable pulsation was

found. These analysis make PSR J0837–2454 to be a

radio loud and γ-ray quiet pulsar.

2.3. Spectral Analysis

To test SG0837’s spectral properties in γ-rays, we

used a spectral form of LP to fit the γ-rays from

SG0837 in 0.1–500.0 GeV. And the corresponding TSLP

value of SG0837 is calculated to be ∼198. Other pa-

rameters α, β, and Eb are fitted to be 2.23 ± 0.22,

0.29 ± 0.09, and 1.4 ± 0.4 GeV, respectively. The

corresponding integrated photon and energy fluxes are

(1.36 ± 0.21) × 10−8 photons cm−2 s−1 and (1.26 ±
0.18) × 10−11 erg cm−2 s−1, respectively. The varia-

tion of TS value between LP and PL models is ∆TS =

TSLP−TSPL ∼ 19, corresponding to a significance level

of ∼ 4.4σ. Hence we suggest that the LP model is rel-

atively better to the PL one to describe the gamma-ray

emission from SG0837 .

Then we saved the best-fit parameters into a final

model file, and fixed the spectral parameters for all the

sources in the model file to be the above likelihood anal-

ysis values. The normalizations for the sources within

10◦ around the ROI center and the two diffuse back-

grounds were left free. Based on the final model file,

we extracted a spectral energy distribution (SED) for

SG0837 in the energy range of 0.1–500.0 GeV by adopt-

ing the spatial template of the 2D Gaussian and the

global spectral shape of LP. The data were divided into

12 equal logarithmically spaced energy bins, and the in-

dividual likelihood analysis was employed for each bin.
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Figure 2. γ-ray SED of SG0837 obtained from the data in
0.1–500 GeV. The best-fit LP and PL spectral shapes are
shown as the blue solid and yellow dashed lines, respectively.
The flux data points with TS > 10 are shown with the black
squares with the pluses as their uncertainties, and the black
arrows indicate the 95% upper limits.

We show the γ-ray spectrum of SG0837 in Figure 2,

in which the 95% flux upper limit is calculated for the

energy bin with TS value of SG0837 lower than 10. The

global fitting with LP and PL models are also plotted

with the blue solid and yellow dashed lines, respectively.

Comparing the best-fit LP and PL models in Figure 2,

SG0837’s γ-ray SED in 0.1-500.0 GeV is relatively well

described by the LP model, which is in agreement with

the result shown by ∆TS.

3. POSSIBLE GAMMA-RAY ORIGINS

3.1. Supernova Remnant

According to the discovery in Pol et al. (2021), thus
the origin of the SNR scenario for the γ-ray emis-

sion from SG0837 is considered. The γ-ray spectra

of tens of Fermi-LAT observed SNRs can be basically

divided into two classes (Zeng et al. 2019): one has

the hard GeV γ-ray spectrum with the spectral cur-

vature at ∼TeV, which corresponds to the young-aged

SNR, like RX J1713.7-3946 (H. E. S. S. Collaboration

et al. 2018a) or RX J0852.0-4622 (H. E. S. S. Collab-

oration et al. 2018b). And the γ-ray emissions from

these SNRs are typically suggested to be from inverse

Compton scattering (ICS) of accelerated electrons (lep-

tonic process). Another class shows the spectral break

at ∼GeV, which corresponds to the old-aged SNRs in-

teracting with molecular clouds, like IC 443 and W44

(Ackermann et al. 2013). And such γ-ray emissions are

suggested to be from the decay of neutral pions produced

by the inelastic proton-proton collisions (hadronic pro-
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Figure 3. Radio imaging with a wide-field view around
SG0837 in the stacked 170–231 MHz band data. The archival
data are obtained from the TIFR GMRT sky survey, as re-
ported in Figure 6 of Pol et al. (2021). PSR J0837–2454 is
flagged with a plus, while the cross stands for the position
of PSR J0838–2621 with a characteristic age of 1.3×105 kyr
(Burgay et al. 2006). The pink contours show the GeV γ-ray
emission of SG0837 drawn from Figure 1.

cess). The γ-ray spectrum of SG0837 is similar to that

of IC 443 and W44, etc, and the hadronic model is also

considered here for it. Considering the observational

fact that the size of the γ-ray emission region is much

larger than that of the remnant, which is shown as in

Figure 3, the escaping scenario of protons is suggested,

i.e. the γ-ray emission is produced by the protons accel-

erated and escaped from the shock of SNR, like the SNR

W28 (Aharonian et al. 2008; Cui et al. 2018). Here we

assume instantaneous injection of protons into an uni-

form emission zone at T = 28.6 kyr. Here the age of

remnant is assumed to be the characteristic age of PSR

J0837-2454 (Pol et al. 2021). The spectrum of injected

protons is adopted to be a power-law with an exponen-

tial cutoff Ecut:

Qinj(E) = Q0E
−Γexp(−E/Ecut). (1)

Here the spectral index and cutoff energy of protons are

adopted to be Γ = 2.0 and Ecut = 3 PeV, respectively.

And the total energy of injected protons is assumed to

be Wp,inj = ηESN, where η is the fraction of the kinetic

energy of SNR, ESN, converted into the escaped proton

energy, and the typical value of ESN is adopted to be

1051 erg (Woosley & Janka 2005; Vink & Kuiper 2006).
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Figure 4. Modeling of the γ-ray spectra with the hadronic
escaping model. The different lines indicate the scenarios
with the different η, χ, δ and distance values as shown in the
legend. The cyan dotted–dashed line shows the differential
sensitivity of CTA-North (50 hrs; Cherenkov Telescope Array
Consortium et al. 2019).

The proton spectrum within the emission region can
be derived as Liu et al. (2020):

Np(E, t) =
Q(E)

[4πD(E)T ]
3
2

∫ R

0

4πr2dr exp

[
− r2

4D(E)T

]
. (2)

And the diffusion coefficient of protons is assumed

to be spatially consistent and energy dependent with

D(E) = χD0(E/E0)δ, where D0 = 3× 1028 cm2 s−1 at

E0 = 10 GeV, and χ = 1.0 corresponds to the typical

value of Galactic diffusion coefficient (Blasi 2013). For

an injected source spectrum given by Q(E) ∝ E−Γ and

D(E) ∝ Eδ, the spectrum of escaped protons, Np(E),

approximately equal Q(E) at low energies where the

diffusion radius defined as rdiff =
√

4D(E)T is much

smaller than the size of the emission region R. Here

R is adopted to be 28.3/6.3 pc with the distance of

0.9/0.2 kpc. And at high energies, Np(E) will follow

Np(E) ∝ E−(Γ+ 3
2 δ), where the spectral break shown

at Ep,bre with R =
√

4D(Ep,bre)T . With the different

parameters of η, χ and δ adopted, the different spec-

tra of escaped protons in the γ-ray emission region are

produced and the corresponding γ-ray fluxes are calcu-

lated with the naima package (Zabalza 2015). And the

value of the ambient gas density is assumed to be ngas

= 1.0 cm−3 considering the absence of the observations

of molecular clouds in this region.

The resulting hadronic γ-ray flux with the different

parameters are shown in Figure 4. Compared with the

spectra of δ = 1/3 with Kolmogorov turbulence for the
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diffusion coefficient (Ptuskin et al. 2006), the higher

value with δ = 1/2 for Kraichnan turbulence gives a

much softer γ-ray spectrum in the high energy, which is

not very consistent with the observation. With the typ-

ical value of Galactic diffusion coefficient, χ = 1.0, the

total energy of injected protons is fitted to be 2.5 × 1051

erg, which is not reasonable. And the total energy of es-

caped protons above 1 GeV in this region is calculated

to be Wp = 1.5× 1049 (ngas/1.0 cm−3)−1 erg. It should

be noted that the much higher total energies could be

attributed to the underestimated of the gas density in

this region. In addition, by fixing the total energy of

injected protons to be 1050 erg, η = 0.1, the γ-ray spec-

trum with the distance of 0.9 kpc also can be explained

by the hadronic escaping model with a lower diffusion

coefficient, and such value is needed to be one order of

magnitude lower than the typical Galactic value. And

for the distance of 0.2 kpc, the total energy of injected

protons need to be about 4 × 1050 erg with η = 0.4.

And the corresponding total energy of escaped protons

in the γ-ray emission region are estimated to be Wp

= 1.2×1049 (ngas/1.0 cm−3)−1 erg and Wp = 8.4×1047

(ngas/1.0 cm−3)−1 erg for the distance of 0.9 kpc and

0.2 kpc, respectively.

3.2. Pulsar Wind Nebula

Taking into account the detected pulsar in the γ-ray

emission region, a scenario of the pulsar wind nebula

(PWN) driven by PSR J0837-2454 is also considered.

Such extended γ-ray emissions are also detected in sev-

eral typical PWNe, such as HESS J1825-137 (Principe

et al. 2020), HESS J1640-645 (Xin et al. 2018), etc.

However, these γ-ray PWNe detected by Fermi-LAT are

driven by the energetic pulsars with spin-down powers

between 1036 and 1039 erg s−1 (Acero et al. 2013). And

the spin-down luminosity of PSR J0837-2454 with Ė =

5.5× 1034 erg s−1 seems to be too low to produce such

energetic γ-ray emissions around it. So we suggest that

the PWN scenario for the observed γ-ray emission for

SG0837 is not favored.

3.3. Pulsar Halo

Along with the evolution of the PWN into the inter-

stellar medium (ISM), the energetic particles could es-

cape and their transport becomes to be dominated by

diffusion. And these escaped particles could form a de-

tectable halo around the pulsar, which is defined as a

pulsar halo. Such halos are first detected as the extended

TeV γ-ray emissions around the nearby low power pul-

sars Geminga and PSR B0656+14 (Abeysekara et al.

2017). And the searching for the GeV γ-ray emission

for these pulsar halos is ongoing. While only the GeV

γ-ray emission from Geminga halo is detected by Fermi-

LAT (Di Mauro et al. 2019), which is still under debate

(Xi et al. 2019). Therefore, we also consider the possible

origin as a pulsar halo for SG0837 around PSR J0837-

2454 that detected here and discuss the potential TeV

observation of it.

For the diffusion process in the pulsar halo, the dif-

fusion size of particles is calculated as rd = 2
√
Dt, and

D represents the diffusion coefficient of particles. Con-

sidering the updated distance of 0.9 or 0.2 kpc for PSR

J0837-2454 (Pol et al. 2021) and the 68% containment

radius of 1◦.8, the physical size of the γ-ray emission

region is calculated to be 28.3 or 6.3 pc. Adopting the

characteristic age of PSR J0837-2454 τc = 28.6 kyr, the

diffusion coefficient is estimated to be 2× 1027 cm2/s or

1 ×1026 cm2/s for d = 0.9 or 0.2 kpc, respectively. And

such values are much lower than the typical Galactic

value of cosmic rays with D ' 3 × 1028 cm2 s−1 (Blasi

2013).

Based on the definition of an electron halo in Giacinti

et al. (2020), namely that of over-density of relativis-

tic electrons around pulsar compared with the ISM, we

calculated the energy density εe in relativistic particles

around pulsar with established associated with the γ-

ray emissions with εe = Einj/V , where V is the volume

of the γ-ray emission region. And considering the non-

detection of the TeV γ-ray emission from SG0837, the

total injected energy is calculated based on the pulsar

properties with Einj = Ėτc, where Ė and τc are the

present spin-down power and characteristic age of the

pulsar. For PSR J0837-2454, the energy density around

is estimated to be 0.01 eV cm−3 or 1.0 eV cm−3 for

the distance of d = 0.9 or 0.2 kpc. We replot the Fig-

ure 2 in Giacinti et al. (2020) by adding the values of

PSR J0837–2454 in our Figure 5, together with PSR

J0622+3749, which is identified to be a pulsar halo by

LHAASO (Aharonian et al. 2021).

From Figure 5, we can see that the energy density

around PSR J0837-2454 with d = 0.2 kpc and its cur-

rent spin-down luminosity are close to the characteristics

of TeV halo, like Geminga and PSR B0656+14. How-

ever, the characteristic age of PSR J0837-2454 is at least

one order of magnitude lower than that of other halos.

Hence, the extended γ-ray emission of SG0837 is not

much favored for the halo scenario. Nonetheless, the

potential TeV γ-ray emission from this source could be

expected by the Cherenkov telescopes in the future.

4. SUMMARY

Pol et al. (2021) claimed a discovery and timing for

a young pulsar PSR J0837–2454 with P=629.4 ms and

Ṗ=3.5×10−13 s s−1 by using the radio data from the
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Figure 5. Energy density within TeV sources calculated as εe = Ėτc/V as a function of pulsar Ė and τc following the Figure
2 in Giacinti et al. (2020) and the color bar shows the size of the γ-ray emission of each source. The shaded regions correspond
to an energy density lower than that of the ISM of 0.1 eV cm−3. The identified pulsar halos associated with Geminga, PSR
B0656+14 (Abeysekara et al. 2017) and PSR J0622+3749 (Aharonian et al. 2021) are shown as the diamonds, and the stars
represent PSR J0837–2454 with the different distances.

Parkes radio telescope. Moreover, an extended low-

surface-brightness diffuse emission around PSR J0837-

2454 was also detected by the radio data from the

GLEAM, which suggests it to be a SNR candidate. Mo-

tivated by these, we analyzed the 14 yr γ-ray data from

the Fermi -LAT observations surrounding PSR J0837–

2454. Interestingly, we found a significant extended γ-

ray emission named as SG0837 at a significance level

of ∼ 12σ (see Figure 1), which is spatially coincident

with the SNR candidate shown as in Figure 3. And

SG0837 has a spatial extension with a 68% containment

radius of ∼ 1◦.8. The extension significance level is 9.6σ

with a 2D Gaussian spatial model comparing with a

point source model. And its SED in 0.1–500.0 GeV can

be well described by the LP model.

PSR J0837–2454 is one of the relatively young pulsars

compared with other cataloged pulsars. Pol et al. (2021)

had shown 74 pulsars with characteristic age 6 28.6 kyr

in their Figure 9 and summarised that 80% of 74 pulsars

are often associated with a SNR and/or PWN. Consider-

ing the above percentage coupled with a diffuse emission

in radio and an extended emission in γ-rays spatially

coincident with the pulsar, we suggest that SG0837 is

correlated with the SNR candidate around PSR J0837–

2454. In our spatial analysis, no significant point source

was found by subtracting the extended γ-ray emission

from SG0837. And the γ-ray pulsation of PSR J0837–

2454 was also not found in the timing analysis. These

factors make PSR J0837–2454 to be a radio loud and

γ-ray quiet pulsar.

Several scenarios for the potential origins of the ex-

tended γ-ray emission are discussed, such as a SNR,

PWN, or pulsar halo. Based on the model fitting re-

sults, see the discussion in Section 3, the γ-ray emission

origin of the SG0837 is preferred for the SNR scenario.

And the future potential detection in the TeV band by

the Cherenkov Telescope Array in the northern hemi-

sphere (CTA-North; Cherenkov Telescope Array Con-

sortium et al. 2019) and the molecular clouds observa-

tions could be help to test the different models.
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ABSTRACT

Gamma-Ray Bursts (GRBs), being observed at high redshift (z = 9.4), vital to cosmological studies

and investigating Population III stars. To tackle these studies, we need correlations among relevant

GRB variables with the requirement of small uncertainties on their variables. Thus, we must have

good coverage of GRB light curves (LCs). However, gaps in the LC hinder the precise determination of

GRB properties and are often unavoidable. Therefore, extensive categorization of GRB LCs remains a

hurdle. We address LC gaps using a “stochastic reconstruction,” wherein we fit two pre-existing models

(Willingale 2007; W07 and Broken Power Law; BPL) to the observed LC, then use the distribution of

flux residuals from the original data to generate data to fill in the temporal gaps. We also demonstrate

a model-independent LC reconstruction via Gaussian Processes. At 10% noise, the uncertainty of

the end time of the plateau, its correspondent flux, and the temporal decay index after the plateau

decreases, on average, by 33.3% 35.03%, and 43.32%, respectively for the W07, and by 33.3%, 30.78%,

43.9% for the BPL. The slope of the plateau decreases by 14.76% in the BPL. After using the Gaussian

Process technique, we see similar trends of a decrease in uncertainty for all model parameters for both

the W07 and BPL models. These improvements are essential for the application of GRBs as standard

candles in cosmology, for the investigation of theoretical models and for inferring the redshift of GRBs

with future machine learning analysis.

Keywords: γ-ray bursts— statistical methods— relativistic processes—cosmology: cosmological

parameters— light curve reconstruction

1. INTRODUCTION

Gamma-Ray Bursts (GRBs) are transient astrophysical events that can be observed up to redshift z = 8.2 (Tanvir

et al. 2009; Salvaterra et al. 2009) and z = 9.4 (Cucchiara et al. 2011). Thus, they are excellent candidates for

cosmological tools that can be utilized to probe the early universe. Moreover, a comprehensive characterization of

GRBs can provide insight into Population III stars, the most ancient stars observed at the epoch of re-ionization.

Having a reliable taxonomy of GRB classes and good data coverage will favor future population studies and thus will

enhance the determination of the cosmological evolution of GRB properties and the investigation of their emission

mechanism and/or progenitors. All these are foundational topics for astrophysics.

The lack of a robust GRB classification scheme, the incompleteness of redshift information in the existing sample of

observed GRBs, gaps in the light curves (LCs), and the need for a unique database repository are many of the difficult

challenges that astrophysicists need to overcome. In this paper, we attempt to solve the issue related to the temporal

gaps in the LCs.

Observationally, GRB emission can be divided into two phases: the prompt and the afterglow. The prompt is the

primary phase observed from high-energy γ-rays to X-rays and sometimes in optical bands (Vestrand et al. 2005;
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Blake et al. 2005; Beskin et al. 2010; Gorbovskoy et al. 2012; Vestrand et al. 2014). The prompt is followed by an

afterglow phase (Costa et al. 1997; van Paradijs et al. 1997; Piro et al. 1998; Gehrels et al. 2009), observed in multiple

wavelengths such as X-rays, optical, and sometimes radio bands.

GRBs have, historically, been divided into two classes depending on their prompt duration, T90, the time interval

during which a burst releases 90% of its total background-subtracted counts, beginning after 5% of the total counts

have been measured (Mazets et al. 1981; Kouveliotou et al. 1993). Short GRBs (SGRBs), with T90 ≤ 2s, are produced

by the merging of compact objects (Duncan & Thompson 1992; Narayan et al. 1992; Usov 1992; Thompson 1994;

Levan et al. 2008; Metzger et al. 2011; Bucciantini et al. 2012; Perna et al. 2016), and long GRBs (LGRBs), with

T90 ≥ 2s, result from collapsing massive stars (Woosley 1993; Paczyński 1998; MacFadyen & Woosley 1999; Bloom

et al. 2002; Hjorth et al. 2003; Woosley & Bloom 2006; Woosley & Heger 2006; Bucciantini et al. 2008; Kumar et al.

2008; Hjorth & Bloom 2012; Cano et al. 2017; Lyman et al. 2017; Perna et al. 2018; Aloy & Obergaulinger 2021;

Ahumada et al. 2021). However, this historical classification in LGRBs and SGRBs simplifies a more complex and

realistic picture where many more classes have been discovered in the literature since then (see Section 1.3 for more

details). In the analysis proposed here, the reconstruction of GRB LCs will improve GRB characterization to cast

further light between different classes.

The Neil Gehrels Swift Observatory (Swift, Gehrels et al. (2004)) is crucial for observing GRB temporal properties.

The Swift Burst Alert Telescope (BAT, 15-150 keV, (Barthelmy et al. 2005)) enables rapid detection of the prompt

emission and a fast follow-up of the afterglow by the X-ray (XRT, 0.3-10 keV, (Burrows et al. 2005)) and Ultra-Violet

telescopes (UVOT 170 - 600 nm, (Roming et al. 2005)). Furthermore, due to rapid afterglow follow-up in several

wavelengths, Swift data has shown new features in the GRB LCs (Tagliaferri et al. 2005; Nousek et al. 2006; Troja

et al. 2007).

Many X-ray LCs have a steep flux decay after the prompt emission ends, sometimes followed by flares and a plateau

(Zhang et al. 2006; O’Brien et al. 2006; Nousek et al. 2006; Sakamoto et al. 2007; Liang et al. 2007; Willingale et al.

2007a; Dainotti et al. 2008, 2010a, 2016, 2017). Specifically, XRT detections are available for 81% of Swift GRBs:

42% with X-ray plateaus (Evans et al. 2009; Li et al. 2018b). The X-ray plateau generally lasts 102 − 105 s and has a

subsequent phase characterized by a power-law (PL) decay. In addition, about 30% of optical LCs observed by UVOT

and ground-based facilities also exhibit a shallow decay phase (Vestrand et al. 2005; Kann et al. 2006; Zeh et al. 2006;

Panaitescu & Vestrand 2008; Kann et al. 2010; Panaitescu & Vestrand 2011; Kann et al. 2011; Li et al. 2012; Oates

et al. 2012; Zaninoni et al. 2013; Margutti et al. 2013; Melandri et al. 2014; Li et al. 2015, 2018a; Si et al. 2018; Dainotti

et al. 2020b). The plateau can be fitted with a broken power-law (BPL) (Zhang et al. 2006; Racusin et al. 2009), a

smoothly broken power-law (SBPL), or the Willingale et al. (2007) phenomenological model (W07, Willingale et al.

(2007a)). The W07 model determines the time at the end of the plateau (Ta), its corresponding flux (Fa), and the

temporal index after the plateau (αa). The BPL determines Ta, Fa, and the slope of the LC during the plateau (α1)

and after the plateau (α2). These models are briefly described in Section 2.1.

The plateau is usually explained via the magnetar model, based on the dipole radiation emitted by the rotational

energy of a newly-born neutron star (NS) In this model, the plateau ends when the NS reaches its critical spin-down

timescale; the uncertainties on Ta can be ascribed to the uncertainties on the magnetar spin period and magnetic field.

However, the characterization of the plateau emission can be hindered by temporal gaps which can occur in the

beginning, during, and at the end of the plateau. These may arise from the orbital period of satellites, lack of fast

follow-up studies, atmospheric turbulence, and instrumental errors or failures. Thus, extensive characterization of

GRB LCs remains a bottleneck.

Therefore, we propose a method to reconstruct LCs starting from the plateau emission, which due to its theoretical

interpretation within the magnetar model, is grounded in fundamental physics. Morphologically, the plateau has

more standard features among diverse GRBs (e.g., its length and flatness) than the prompt properties. The plateau

features have attracted attention due to their use in building relevant correlations with the plateau parameters and

their application as cosmological tools. Specifically, Dainotti et al. (2008, 2010b, 2011); Dainotti et al. (2013); Dainotti

et al. (2015, 2017) and Li et al. (2018b) explored the luminosity at the end of the plateau, LX,a vs. its rest-frame

time T ∗X,a (known as the Dainotti relation or 2D L-T relation) 1. The 2D relation has also been discovered in optical

plateau emissions (Dainotti et al. 2020b, 2022f). Within the theoretical magnetar scenario, Rowlinson et al. (2014)

showed that the X-ray Dainotti relation is reproduced with a slope for La,X -T ∗a,X of −1. This correlation has already

1 the rest-frame time is denoted with an asterisk
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been applied in the cosmological framework to construct a GRB Hubble diagram out to z > 8 (Cardone et al. 2009,

2010; Postnikov et al. 2014; Dainotti et al. 2013).

An extension of the 2D L-T relation, obtained by adding the peak prompt luminosity, LX,peak, has led to the Dainotti

3D relation (Dainotti et al. 2016, 2017, 2020a, 2022f). This 3D relation has also been successfully applied to constrain

cosmological parameters (Dainotti et al. 2022b,d,e; Cao et al. 2022a,b; Dainotti et al. 2023b). Importantly, Dainotti

et al. (2022d) have shown that if we reduce the uncertainties on the parameters of the plateau emission by 47.5%,

we will reach the same precision on the cosmological value of ΩM quoted in Conley et al. (2011) even now compared

to the same accuracy which we would reach in 2037 based on current observation rates and parameter uncertainties.

This shows how appealing a more robust LC reconstruction (LCR) can be, given that it would save us 15 years of

observations to reduce the uncertainties on cosmological parameters to reach the same precision achieved by SNe Ia

(for details see Dainotti et al. 2020).

In addition, the plateau emission has been the object of investigation concerning closure relations (relations between

the temporal and spectral index during or after the plateau region), which allows us to test the viability of the standard

fireball model for the observations carrying plateau emission in high-energy γ-rays, X-rays, or optical wavelengths (Tak

et al. 2019; Srinivasaragavan et al. 2020a; Dainotti et al. 2021c,a, 2022c; Willingale et al. 2007a; Evans et al. 2009;

Racusin et al. 2009; Kumar & Barniol Duran 2010; Oates et al. 2012; Gao et al. 2013; Wang et al. 2015; Misra et al.

2021; Fraija et al. 2020; Ryan et al. 2020; Levine et al. 2022; Dainotti et al. 2023a). Although closure relations are

a quick way to test the standard fireball model, a more precise characterization of the decay index after the plateau

emission would allow for better precision in determining these relations.

Lastly, another relevant application is to use the reconstructed LCs to train machine-learning (ML) models for

redshift estimation and classification of all redshifts, especially of high-z GRBs.

Because of the many applications, both from a theoretical and a cosmological perspective, the plateau parameters

must be well-constrained. In this regard reconstructing LCs with plateaus in the plateau region is extremely important.

Indeed, LCs with gaps are, in many circumstances, not usable for cosmological applications. In addition, LCs with

temporal gaps cannot be reliably used to test theoretical models that attempt to explain the GRB emission (e.g., the

standard fireball model, Cavallo & Rees (1978); Meszaros & Rees (1993); Meszaros (1997); Piran (1999); Panaitescu

& Kumar (2000); Mészáros (2001); Panaitescu & Kumar (2001); Zhang & Meszaros (2002); Piran (2004); Zhang &

Mészáros (2004); Zhang et al. (2006); Scargle (2020)). Thus, LCs with better coverage will facilitate modeling and

determining correlations among critical physical properties.

Our reconstruction method gives us a glimpse into what the data likely would have been in these gaps and increases

the overall density distribution of the LCs over time. As a result, we can improve how well LCs can be used as standard

candles and for theoretical modeling.

In this paper, we take the first step toward full LCR: We develop a reconstruction technique and test its performance

on our dataset. This paper is divided into the following sections: in §1.1 we provide the definition of the LCR, in

§1.2 scientific motivation for the LCR, and in §1.3 we outline the GRB classification. Then, in §2, we outline the

data sample, Willingale and BPL models (§2.1), and in detail, the algorithms used to obtain the reconstructed LCs,

including the functional form toy model (§2.2) and the Gaussian Processes (§2.3). The results are summarized in §3,

of the functional form toy model approach (§3.1) and the Gaussian Processes (§3.2). We draw our conclusions in §4.

1.1. LC Reconstruction

LCR offers an innovative solution to the problem of temporal gaps in LCs. In several domains of astronomy, statistical

LCR methods have been used to account for missing data. Such methods have also been applied to Cepheids using

simulated annealing and Fourier decomposition techniques (Ngeow et al. 2003). A similar application of reconstruction

methods on LCs can be seen in Huber et al. (2010) for planetary eclipse mapping and Geiger & Schneider (1996) for

measurement of time delay in gravitational lens systems. However, an application of reconstruction techniques on

GRB LCs has yet to be undertaken because GRB LCs have very variable features. They present a wide range of

shapes, including smooth single pulses and multiple peaks with different widths occurring at different times, while

others exhibit more complex behavior.

As a first step to address this problem and evaluate the performance of LCR, we have used a relatively simple

methodology that chooses a model to fit the LCs. Many groups have classified LC morphology with a simple PL,

BPL, smoothly BPL, or W07 model; some with plateaus, and some with double breaks (Giblin et al. 2002; Nousek

et al. 2006; De Pasquale et al. 2008; Evans et al. 2009; Racusin et al. 2009; Liang et al. 2009; Cenko et al. 2010).
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Although our results depend on the underlying model chosen for the reconstruction, we can give a first estimate of

how the LCR can enhance the determination of the plateau parameters. Thus, we show how to enable more accurate

morphological LC classification and determination of GRB parameters. Our LCR analysis reduced the uncertainties

on the parameters of the plateau by 37.22% for 10% noise level on average among all plateau parameters for the

reconstruction with the W07 functional form toy model and 30.69% for 10% noise level for the BPL functional form

toy model. Furthermore, using the Gaussian Processes, the uncertainties on all plateau parameters are decreased, on

average, by 31.43% for the W07 and 21.99% for the BPL (see §3).

1.2. The advantage of the LCR in theoretical models

We can anticipate that with the new light curves reconstructed, we can use them directly to test theoretical models.

We here limit ourselves to provide two examples because this topic is far beyond the current focus of the paper, and

it will be investigated in a forthcoming paper. One of the most immediate advantages is the use of the parameters

of the BPL obtained with the reconstructed lightcurves with Gaussian processes or the other functional toy model

LCR modeling to test the standard fireball model via the closure relationships, which are the relationships among the

temporal, α, and spectral indices, β, of the lightcurves. For a precise new estimate of the modeling one could check

the differences between the results obtained in X-rays from previous papers (Srinivasaragavan et al. 2020b; Dainotti

et al. 2021b) and the ones from the LCR. We envision that the prediction on the closure relationships will be around

40% more accurate compared to the current estimate in the literature. Indeed, 43.32% is the percentage reduction on

the uncertainty on the temporal index, α, after the plateau phase if we consider, for example, the W07 functional toy

model for the reconstruction, and for the BPL, the uncertainty in the slope of the LC after the plateau phase, α2,

decreases by 43.9%. For the Gaussian Processes, the uncertainty in W07 α parameter decreases by 41.5%, and the

uncertainty in the α2 parameter decreases by 35.92%. There are cases for which it is not possible to uniquely determine

the outcome of the closure relationships, namely whether the closure relationship favors a scenario with a fast cooling

or slow cooling or if a constant medium or a wind medium is preferred. We can anticipate that a fraction of cases

with the LCR will be able to discern better the interstellar medium and the regime and will be able to remove part of

the degeneracy in the theoretical model investigation. Srinivasaragavan et al. (2020b) found that > 50% follow 11 out

of the 16 closure relationships tested. It is interesting to check how the exact percentage of fulfillment could change

when LCR is adopted in this scenario. Another model that can benefit from the LCR is the magnetar model. Indeed,

it was shown in Stratta et al. (2018) that due to the temporal gaps in some of the LC, the magnetic field, the spin

period parameters, or the electron energy fraction could not be determined very precisely; namely, their uncertainties

are so large that the estimate cannot be considered reliable. In this scenario, it is important to have full coverage of

the lightcurve so that a combination of the magnetic field, the spin period and the electron energy fraction, could solve

cases in which, due to these uncertainties on the parameters, it is even hard to distinguish between models (magnetars

vs. black hole). The LCR can alleviate the degeneracy of the parameters of the model by reducing the uncertainties

of the parameters. However, some degree of degeneracy inherent to the model will still remain unavoidable. Here, we

remind that this LCR will be approached as a first step, but it can also be extended in high-energy γ-rays, optical and

radio wavelengths for the determination of the closure relationship in these respective energy bands (Dainotti et al.

2021d, 2023a, 2022c; Levine et al. 2023).

1.3. The connection of the LCR and the GRB classification and Properties

Often the classification of GRB properties is challenging because of the general lack of data points in the LC or,

more often, for the lack of data points in a crucial part of the LC for which a feature is expected, e.g., the beginning

or end of the plateau emission, etc. This section aims to clarify how many GRBs classified in the literature as, for

example, LGRBs, SGRBs, or the other classes defined below correspond to the morphological classes defined here.

Indeed, this analysis is relevant because, with this study, we can check what percentage of the Good GRBs fall in a

given class.

Besides the Long and Short classification, we point out that other sub-classes have been discovered. Intrinsically

SGRBs (IS) have T90/(1 + z) < 2s (Levesque et al. 2010; Zhang et al. 2021; Rossi et al. 2021). SGRBs with extended

emission (SEE) (Norris & Bonnell 2006; Norris et al. 2010, 2000; Levan et al. 2007; Dichiara et al. 2021) are SGRBs

with mixed properties between LGRBs since they have T90 > 2s, but they are harder in their spectral properties than

the LGRBs, and in this regard, they are similar to SGRBs. From the observational point of view, they have a spike

in the prompt followed by a long tail. The spike of the initial emission is followed by a brief pause in emission, lasting
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Figure 1. Schematic of GRB classes divided in Type I and Type II and their related sub-categories.

for '10 seconds, after which the emission increases again on a timescale of 30-50 seconds (Norris & Bonnell 2006).

Ultra-long GRBs (ULGRBs) have T90 ≥ 1000s (Stratta et al. 2013; Gendre et al. 2013; Nakauchi et al. 2013; Piro et al.

2014; Levan et al. 2014; Greiner et al. 2015; Kann et al. 2018; Gendre et al. 2019; Zhang et al. 2014). These GRBs

may originate from engine-driven explosions of stars much larger than LGRB progenitors (Levan et al. 2014). X-ray

flashes (XRFs) (Soderberg et al. 2004; Chincarini et al. 2010) are LGRBs with greater fluence in X-rays (2–30 keV)

than in γ-rays (30-400 keV), while X-ray rich (XRR) GRBs are an intermediate class between XRFs and LGRBs that

display very strong X-ray emission. SNe-GRBs are LGRBs associated with Supernovae of type Ic (SNe Ic) for which

the SNe has been clearly observed (Dainotti et al. 2007, 2022a). These sub-classes may imply diverse progenitors or

the same progenitor in different circumburst media.

Zhang et al. (2007a,b, 2009) unified the classification in terms of progenitors, with Type I and Type II GRBs classes.

Type I include SGRBs, SEE, and IS; Type II includes LGRBs, XRFs, XRRs, GRB-SNe, and ULGRBs. For schematic

pictures of the classes, see Fig. 1.

2. METHODOLOGY

We aim to fill temporal gaps in GRB LCs by compiling all observations from Swift XRT taken from the BAT+XRT

repository. To account for the missing data points, we adopt a stochastic approach where the reconstructed points are

built from a chosen LC model. To account for the realistic variation of the data, a noise function that considers the

residuals from the initially observed flux data points is used to inject additive noise into the reconstructed points.

2.1. Data Sampling, the Willingale Model and the Broken-Power law model

We take a sample of 455 GRBs (Table. 1 from Srinivasaragavan et al. (2020a)) with X-ray plateaus (222 with known

redshift and 233 without known redshift), originally obtained from the Swift BAT-XRT repository (Evans et al. 2009,

2007). These GRBs are fitted with the W07 function, described in Eq. 1 as presented in Willingale et al. (2007b):

f(t) =


Fi exp

(
αi

(
1− t

Ti

))
exp

(
− ti
t

)
for t < Ti

Fi

(
t

Ti

)−αi
exp

(
− ti
t

)
for t ≥ Ti,

(1)

Where Ti and Fi are the times and fluxes, respectively, either at the end of the prompt (denoted with p) or at the

end of the plateau emission (denoted with a). The parameter αi is the temporal index after Ti. The initial rise time

is marked by the time ti, which reads as ta for the afterglow emission. The maximum flux occurs at ti =
√
tTc/ai.
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GRB NAME z T90
T90

(1+z)
LONG/SHORT Type Reference

GRB050128 - 28.00 - L SNe-GRB [1]

GRB050315 1.95 95.40 32.35 L XRR [2]

GRB050318 1.44 40.00 16.37 L XRR [1]

GRB050319 3.24 151.74 35.79 L XRF [2]

GRB050401 2.90 33.30 8.54 L L [1]

GRB050416A 0.65 6.62 4.01 L XRF/SNe-GRB, D [1], [3]

GRB050502B 5.20 17.72 2.86 L XRR [2]

GRB050505 4.27 58.90 11.18 L L [1]

GRB050607 - 48.00 - L XRR [2]

Table 1. Full sample of 455 GRBs, including redshift z, observer-frame burst duration T90 and rest-frame duration T90
(1+z)

long

vs. short classification, GRB type, and reference. Full table is available online. References: [1] Sakamoto et al. (2008); [2] Bi
et al. (2018); [3] Dainotti et al. (2022a)

We also fit the GRBs with the simple broken power law model (BPL):

f(t) =


Fi

(
t

Ti

)−α1

for t < Ti

Fi

(
t

Ti

)−α2

for t ≥ Ti,
(2)

Where Ti and Fi are the times and fluxes, respectively, at the break time (coincident with the end time of the plateau),

α1 is the slope of the LC before the break, and α2 is the slope of the LC after the break. In both our Willingale and

BPL fit, as in W07, we take the logarithm in base 10 of these functions.

We focus our reconstruction efforts on the plateau region of the GRB LCs, where our methodology works effectively.

Before the plateau, the prompt emission has significant variability compared to the afterglow, and thus the prompt is

difficult to model accurately. The stochastic approach used in this paper will also not account for flares and bumps in

the afterglow since such variations are randomized to a very high degree. This is a first step towards understanding

the feasibility of LCR. More complex methods that can generalize this first attempt to the prompt emission or flares

in the afterglow phase will be explored in future works.

The 455 LCs were then separated into categories based on the afterglow features. For subsequent analysis, we

categorize the GRB afterglow LCs into those having i) good approximation with the W07 model (hereafter called

Good GRBs), ii) flares or bumps throughout the afterglow region, iii) a double break at the end of the LC, iv)

flares/bumps along with a double break. Fig. 2 shows LCs belonging to each category with the W07 model fit

superimposed. We take the Willingale function parameter values (for each GRB LC) from Srinivasaragavan et al.

(2020a).

We segregate the GRBs into classes to better understand the characterization of the Good LCs, which make up

48% of our total sample of 455 GRBs. We show a breakdown of our sample into classes in Fig. 3 - the top left chart

shows classification by duration into LGRBs, SGRBs, SEEs and IS GRBs. The top right chart shows classification

into morphological classes. The bottom two charts show classification by type (XRRs, XRFs, ULGRBs, SNe-GRBs)

for all LGRBs (left) and all Good GRBs (right). For the Good GRBs, we see that the largest fraction of the GRBs are

XRR GRBs (39%), with the second-most frequent class being simply LGRBs (38%). The third-most frequent class is

the XRF (5%). This would indicate that many LCs in our Good sample have very strong emissions in X-rays. There

is no strong preference for any other class, with the other classes comprising < 5% of the Good sample.

2.2. The Reconstruction method with the functional forms

We segregate the 455 GRBs into the previously-mentioned classes to understand how many Good GRBs belong to

a given class. Then, for simplicity, we limit the application of the reconstruction technique to only the Good GRB

LCs, which still constitute a large fraction (48%; 218 GRBs) of our total sample. Indeed, we aim for a procedure that

works for well-behaved morphological LCs and can be extended to more complex cases in the future.
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Figure 2. LCs divided into four categories depending on the afterglow feature. i) Good GRBs (top left); ii) A break in the
end of the LC (top right); iii) Flares/Bumps in the afterglow (bottom left); iv) Flares/Bumps with a Double Break at the end
of the LC (bottom right).

We compute the flux residual for each LC. The flux residual is defined as the difference between the logarithm of

the flux value of the original LC and the corresponding logarithmic value of the flux given by the W07 fit for a given

instant of time t (in log10 scale). This can be represented by:

log10 Fres = log10 F
obs
t − log10 f(t) (3)

where log10 Fres is the logarithm of the flux residual, log10 f(t) is the W07 model or the BPL model flux at time t

and log10 F
obs
t is the observed log flux at time t.

In the left panels of Fig. 4, we show as an example the fitting of a Good LC, GRB 121217A with the W07 model

(top; shown in red) beginning from the plateau emission and the BPL model (bottom; shown in black). In the right

panel of Fig. 4, we show the corresponding log10 flux residual histograms, or Normalized histogram of F(res) detailed

in Eq. 3, with the best-fit Gaussian overlaid for this GRBs. The purpose of generating these histograms is to check

the deviation of original flux values from the fitted W07 or BPL model. Based on these histograms, we performed the

fitting using the best-fit distribution for each GRB, which resulted in the Gaussian/Normal distribution:

P (x) =
1

σ
√

2π
e−(x−µ)

2/2σ2

(4)

where µ is the mean of the distribution, σ is the standard deviation and 1
σ
√
2π

is the normalization constant.

We draw random variate samples from the fitted Gaussian to generate our reconstructed data points based on

our previous assumption that the flux has Gaussian-distributed errors. We checked that the Gaussian is indeed the
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Figure 3. Top left: breakdown of all 455 GRBs by duration: long (L), short (S), short with extended emission (SEE) and
intrinsically short (IS); top right: breakdown of all 455 GRBs by morphological class; bottom left: breakdown of all Long GRBs
into types: X-ray rich (XRR), X-ray flash (XRF), supernova-associated (SNe-GRB), ultra-long (UL), SEE, IS, and combinations
thereof; bottom right: breakdown of only Good GRBs used for reconstruction into types.

best-fit distribution with the Mathematica 2 function FindDistribution and find that the values for normality for

GRB121217A are µ = −0.0016, and σ = 0.12.

For a given time, t, the reconstructed flux at that time is defined in Eq. 5 as the sum of the fitted flux value and

the noise based on the random variate sampled from the flux residual Gaussian distribution:

log10 F
recon
t = log10 f(t) + (1 + n)×RVN (5)

Here, F recon
t is the reconstructed value of flux at time t, f(t) is the W07 or BPL flux value at time t, n is the noise

level, and RVN is the random variate sampled from the Normal (Gaussian) distribution.

We add the noise parameter to mimic the realistic variations seen in observed LCs. We assume the noise to be sta-

tionary, meaning that the noise on the flux does not change with time and is random without temporal autocorrelation.

Usually, it is common to encounter cases in which the noise level is increased by 10% or 20%. We acknowledge that

the choice of noise level is arbitrary, but the purpose here is to show how LCR works with realistic cases. Anyone with

the detailed procedure we have described can change the noise level for the particular LCs they are reconstructing.

The RVN for this noise is generated at every instant of time, starting from the beginning of the plateau from the

distribution of the residuals fitted with a Gaussian. Thus, the reconstructed flux value is different for each point. In

this manner, we can reconstruct data points within the temporal gaps of each LC.

Applying this method will result in all the reconstructed data points in the afterglow LC being, statistically, the

same distance from the best-fit of the W07 or BPL model as the initially-observed data points. We choose the time

2 using Wolfram Mathematica 12.3
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W07 Fit and residuals

BPL Fit and residuals

Figure 4. The left panels show the LCs of GRB GRB 121217A starting from the plateau emission, and the best-fit W07 model
is shown in red on the upper panels and the BPL fit shown in black on the lower panels. The right panels show the log(flux)
residual histogram and the best fit Gaussian distribution shown in black.

of the reconstructed points along the fitting line with a time range distributed equally in the log scale. To this end,

for practicality, we use the function in Python called geomspace, with the minimum and maximum time set at the
beginning of the plateau and the last data point of the observed LC, respectively. Thus, each reconstructed LC

is customized to each observed LC, which ensures the realistic nature of these reconstructed LCs for future use in

cosmological studies.

Due to the random noise added to the reconstructed data points, we perform the reconstruction steps mentioned

above for each GRB 100 times. This helps in de-randomizing the results and stabilizing them. Then, the chosen

function is fit on each iteration of the reconstructed LC, providing us with 100 new fit parameters and error estimates

for each GRB. It should be noted that the new fit is performed on the LC, which contains the reconstructed flux

and the original observations. So the combined LC is used here. The flux uncertainties for each reconstructed data

point are generated randomly from a Gaussian distribution which is the best-fit distribution of the uncertainties of

the observed fluxes.

Thus, with the LCR procedure, we combine the reconstructed and original data points to create a new enhanced LC,

which we refit with the chosen model with a least-squares regression. For this, we use the minimize() method from

the lmfit library (Newville et al. (2016)), which is an interface for fitting curves in Python. It is a further extension

of the optimization techniques available in the methods of scipy.optimize. The minimize() function is used as an

optimization function that minimizes the residuals to the fit line while doing the refitting. We provide this function

with the model we want to fit, the initial guess for the parameters, the data to fit (the reconstructed LCs), and the
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method to be used for fitting. This function returns the updated values of the chosen model parameters and their

associated uncertainties.

2.3. The Reconstruction method with the Gaussian processes

We here briefly describe Gaussian Processes and how we use them. Gaussian process (hereafter called GP) is a

generic supervised learning method that can generate precise predictions, and is designed to solve regression problems.

It is based on the mathematical properties of the Gaussian/Normal distribution.

Due to its probabilistic nature, a GP model does not produce merely a singular prediction but rather calculates the

likelihood for each possible prediction.

A GP works on the postulates of Bayesian inference. It begins by inspecting the prior, which contains the leverage

of knowledge of existing trends in the initial data, and using Bayesian inference to compute a posterior, a probabilistic

description of the outcomes that agree with both the data and the prior. Each prediction has an associated confidence

interval, which limits the region of the likelihood of the prediction.

The capacity to find confidence intervals/regions is the true utility of a GP model. The set of possible predictions

might be a Normal distribution with the mean as the model’s prediction and a variance that characterizes the deviation

of the predictions from the mean. A lower uncertainty corresponds to a thinner confidence region, and the model is

said to be confident with its prediction.

Covariance functions, also known as Kernels, are a fundamental requirement to use a GP model. A Kernel can

be defined as a measure of the degree of similarity between two given input space data points. This contains the

assumption that two similar data points should yield two similar output values. Kernels can be of different types:

those depending directly on the difference between the two data points, that is, x − x′, and those depending on the

specific values of the data points x and x′ themselves. Kernels depending upon just their difference, are translation-

invariant in the input space. Furthermore, if the kernel in question depends merely on |x− x′|, then the kernel is said

to be isotropic in the input space. An example of such a kernel would be a Radial Basis Function (RBF) kernel.

We here use the RBF plus the contribution of a White noise Kernel because we assume that the noises of the

flux are independent and identically normally distributed. We use the built-in function GaussianProcessRegressor,

which enables prediction without prior fitting but only with prior knowledge of the GP. The prior in our analysis is

not normalized, meaning that the mean is centered at zero. Here normalizing means that we would normalize the

fluxes by removing the mean and scaling to unit-variance. We choose the default option as false. Then we fit the GP

regression model with the built-in fit function to our data. Next, we have used the in-built predict function to obtain

the reconstructed data points.

To reconstruct the LC with GP, we have chosen as the interval for the reconstruction 95% confidence interval. We

have populated the data points by using the Eq. 5 again, but here the function f(t), instead of being the W07 or the

BPL function, is the function found via the GP. To avoid the distribution of the data points in the Gaussian processes

depending heavily on the shape of the function obtained with the Gaussian Regressor function, a built-in function in

Python, for each different LC, we perform 100 MCMC simulations of the reconstructed LC. Then, we randomly pick

one value for the data point and its associated uncertainty.

3. RESULTS

3.1. Results from functional form reconstruction

Applying our LCR methodology to the 218 Good GRBs in our sample, we expect to see a reduction in the uncer-

tainties on the chosen model parameters. To measure this, we compute the error fractions associated with each of the

model parameters for the original and reconstructed fit. The error fractions for the three Willingale parameters are

given by:

EFlog10(Ta)
=

∣∣∣∣∆log10(Ta)

log10(Ta)

∣∣∣∣ , (6)

EFlog10(Fa)
=

∣∣∣∣∆log10(Fa)

log10(Fa)

∣∣∣∣ , (7)

EFαa =

∣∣∣∣∆αaαa

∣∣∣∣ . (8)
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Here, EFX is the error fraction associated with the parameter X, and ∆X is the uncertainty associated with the

parameter X. The X and ∆X for log10(Ta), log10(Fa) and αa before reconstruction are taken from Srinivasaragavan

et al. (2020a), as previously indicated.

The computed error fractions before and after reconstruction for the W07 model is performed for the full sample of

218 Good GRBs for two noise levels, 10% and 20%, in Table 2. The first three columns show the error fraction for

each W07 parameter from the original fitting. The second three columns show the error fraction for each W07 from

the new fitting after reconstruction. These are averages of 100 iterations, as mentioned previously.

We calculate the percentage decrease in the error fractions for each noise level to analyze the improvement of the fit

following the reconstruction. The formula used for the percentage decrease is given as:

%DEC =

∣∣EF after
X

∣∣− ∣∣EF before
X

∣∣∣∣EF before
X

∣∣ × 100 (9)

The last three columns of Table 2 show the percent change in the error fraction after reconstruction for the two

noise levels. From our analysis, we see that in all cases, the error fraction on the reconstructed parameters is lower

than the error fraction on the original parameters. To better understand how this applies to the sample as a whole,

we compute the average percentage decrease in error fraction for all Good GRBs tested at each noise level. For the

10% noise level, we obtain a 33.33% decrease in error fraction on the log(Ta) parameter, a 35.03% decrease in error

fraction on the log(Fa) parameter, and a 43.32% decrease in error fraction on the α parameter. For the 20% noise

level, we obtain a 29.49% decrease in error fraction on the log(Ta) parameter, a 31.24% decrease in error fraction on

the log(Fa) parameter, and a 40.57% decrease in error fraction on the α parameter. As expected, when we introduce

a larger noise level, the decrease on the uncertainty also decreases since the spread around the best-fit line increases.

A visual comparison between two noise levels for a sample GRB, GRB121217A, for 10% and 20% of the W07 fit

is shown in the upper panels of Fig. 5. We observe that lower noise levels generate points somewhat close to the

W07 fit, and these points are further spread out as the noise level increases. The reconstructed LC plots are picked

randomly from the 100 reconstructions for each GRB. As expected, we can approximate the flux uncertainties with a

Gaussian distribution as shown in Fig. 6. The histograms of Fig. 7 show the distribution of the percentage decrease

(upper panel shows the 10% noise level, while the bottom panel shows the 20% noise level) for all three of the W07

parameters. As is evident, the reconstruction leads to a decrease in the errors on the W07 parameters for all the

GRBs. After fitting the model, we expect a decrease in the uncertainty since we are refitting more points with the

same model. However, the point of this approach is to provide a first simple solution to the lightcurve reconstruction.

This toy model for the reconstruction is indeed model dependent, but in principle this method can work on any model.

To assess the method’s dependency on a particular model, we also fit with the BPL model and check the differences

regarding the decrease in the uncertainties. To test the BPL, we perform the same methodology as used on the W07

fits. Again, we see an overall decrease in error fraction on the reconstructed parameters as compared to the error

fraction on the original parameters. We again compute the average percentage decrease in error fraction for all Good

GRBs tested at each noise level. For the 10% noise level, we obtain a 33.31% decrease in error fraction on the log(Ta)

parameter, a 30.79% decrease in error fraction on the log(Fa) parameter, a 14.76% decrease in error fraction on the α1

parameter, and a 43.98% decrease in error fraction on the α2 parameter. For the 20% noise level, we obtain a 29.88%

decrease in error fraction on the log(Ta) parameter, a 27.20% decrease in error fraction on the log(Fa) parameter, a

1.78% decrease in error fraction on the α1 parameter, and a 41.1% decrease in error fraction on the α2 parameter.

Overall, we see a similar trend to the W07 fitting. The results for the average change in error fraction for the BPL

fitting are given in Table 3. The comparison between two noise levels for a sample GRB, GRB121217A, for 10% and

20% of the BPL fit is shown in the lower panels of Fig. 5. Figure 8 shows the distribution of the percentage decrease

(upper panel shows the 10% noise level, while the bottom panel shows the 20% noise level) for all four of the BPL

parameters. Again, the reconstruction leads to a decrease in the uncertainties on the BPL parameters for all the

GRBs. The average percentage decrease on all parameters for both the W07 and BPL fits are summarized in Table 4.

We also check the differences between the Gaussian processes (a completely model-independent approach) and the

BPL (a model-dependent approach) to assess the differences between these methods.

3.2. Results from Gaussian process reconstruction
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W07 reconstruction

BPL reconstruction

Figure 5. Reconstructed LCs for GRB121217A at two noise levels, using the Willingale (W07) and Broken Power Law (BPL)
fits. The first row shows the reconstructed LCs using the W07 model at 10% and 20% noise, and the bottom row show the
reconstructed LCs using the BPL model at 10% and 20% noise. These data points are generated from the noise distribution
produced by fitting a Gaussian distribution on the flux residual histograms.

Gaussian Process-based reconstruction provides a model-independent way of achieving our aim. The reconstructed

LC of GRB121217A is presented in Fig. 9. Following the reconstruction, the full LC is fitted with both the W07 and

the BPL model to obtain new estimates of the parameters and their errors.

For the parameter log(Ta) we observe an average decrease in the error fraction of 25%. Similarly, for log(Fa) and

α the average decreases in error fraction are 27.9% and 41.5%, respectively. Note that in this case also the error

fractions are calculated according to Eq. 9. The histogram distributions of Fig. 10 show the distribution of the

relative percentage decrease of the three W07 parameters. The results of the GP for the W07 are given for each GRB

in Table 5, while the average percentage decrease on the uncertainties of the parameters for all GRBs are presented

in Table 4.

For the BPL fits, we see that for the α1 parameter, there is occasionally an increase in error fraction from the original

parameters to the reconstructed parameters. This is because the slope of the LC before the break in the BPL fitting

can be very flat, which will cause the uncertainty to be high compared to the α1 value and cause the error fraction to

be > 1. Because of this, we remove the GRBs which exhibit a flat α1, or |α1| < 0.1. We see a percentage decrease in

the parameters of 15.02% for log(Ta), 11.91% for log(Fa), 25.10% for α1, and 35.92% for α2. Again, the BPL fitting

results show a similar trend to the W07 fits. The results of the GP for each GRB are given in Table ??, while the

average percentage decrease on the uncertainties of the parameters for all GRBs are given in Table 4.

4. SUMMARY AND CONCLUSION

We propose a relatively simple methodology for GRB LCR for LCs with X-ray plateaus observed by Swift. This case

study involves two functional form toy-models, the W07 and the BPL model and a limited GRB sample, as the main
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Figure 6. Histogram of the error bars of the observed fluxes, shown to be approximated with a Gaussian distribution.

aim is to open the way to a new methodology that can be tested with more fitting functions and different statistics

(e.g., Bayesian) in the future.

Our method assumes the W07 and the BPL models as the starting model for reconstruction, but the methodology

presented here is versatile and can be extended to any other model (smoothly BPL, double BPL, etc). Even models

such as the pulse model, which includes the prompt emission, can be explored in the future. We also took a further

step in the analysis adopting Gaussian processes with the aim of being completely model-independent. We find that

after testing our methodology on a sample of 218 Good GRBs, we obtain a reduction in the error bars of the plateau

parameters of the W07 fitting - in this case, we have a reduction of 37.22% on average for all parameters when the noise

is set at the 10% level, and a 33.77% reduction, on average, for all parameters with a 20% noise level. Regarding the

BPL, we have a reduction of 30.69% in average for the 10% noise level and a reduction of 24.97% for the 20% noise level.

In average for GP we have a decrease of 31.43% for the W07 and 21.99% for the BPL. The reduction of uncertainties

on plateau parameters can be crucial for many cosmological studies that benefit from precise measurements of these

parameters, including the investigation of Population III stars or the use of GRBs as standard candles to study the

early universe.

There are many advantages to the community from our study, as filling in the temporal gaps of observed LCs with

a toy model solves the problem of the lack of data and thus allows us to use the reconstructed LC for:

• discovering plateau features in GRB LCs, which otherwise may remain undetected,

• increasing the sample size for building GRB correlations among the plateau parameters,
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Figure 7. Distribution of Relative Percentage Decrease for the parameters of the W07 function when we apply the W07 for
the reconstruction.

• testing theoretical models which would use the reconstructed LCs, since the method is general and can be used

with many different functions,

• cosmological studies to reduce the scatter on the cosmological parameters. This will be achieved using the

enhanced GRB correlations involving the plateau emission built with LCR,

• estimating the redshift information with machine learning analysis which uses the new, more accurate estimates

of the plateau parameters. This can allow us to determine the redshift of the high-z GRBs and thus further

enhance the studies of Population III stars,

• classification of GRBs according to their morphology with increased accuracy.

As a final remark, this reconstruction is based on the LCs provided by Swift, but it can be extended to any current

or future missions and across different wavelengths as well.
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Figure 8. Distribution of Relative Percentage Decrease for the parameters of the BPL fit when we apply the BPL for the
reconstruction.
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Figure 9. Gaussian Process for the GRB 121217A. The left panel shows the Gaussian process fit, while the right panel shows
the reconstructed LCs.
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Figure 10. Distribution of Relative Percentage Decrease for the parameters of the W07 function following Gaussian Process
reconstruction.
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Figure 11. Distribution of Relative Percentage Decrease for the parameters of the BPL function following Gaussian Process
reconstruction.
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GRB ID EFlog10(Ti)
EFlog10(Fi)

EFαi EFlog10(Ti)
RC EFlog10(Fi)

RC EFαi RC %log10(Ti)
%log10(Fi)

%αi

10% noise

050712 0.019 0.005 0.044 0.014 0.004 0.027 -26.67 -24.96 -38.04

050318 0.011 0.006 0.046 0.008 0.004 0.033 -22.91 -24.05 -28.62

050416A 0.024 0.005 0.018 0.016 0.003 0.012 -31.24 -33.54 -34.85

050607 0.021 0.005 0.044 0.016 0.004 0.027 -22.62 -22.79 -39.18

050713A 0.01 0.003 0.018 0.008 0.002 0.011 -16.21 -14.31 -36.35

050822 0.011 0.003 0.026 0.007 0.002 0.015 -31.06 -35.46 -43.07

050824 0.025 0.006 0.094 0.015 0.003 0.056 -40.7 -38.45 -40.27

050826 0.029 0.019 0.131 0.026 0.016 0.196 -9.54 -15.21 49.99

050915B 0.036 0.008 0.115 0.025 0.005 0.068 -29.03 -34.25 -40.92

051016A 0.033 0.006 0.051 0.021 0.004 0.024 -36.11 -28.49 -53

051109A 0.012 0.005 0.016 0.006 0.002 0.01 -51.32 -58.89 -33.99

051221A 0.02 0.005 0.051 0.015 0.004 0.033 -27.39 -28.33 -34.6

060105 0.004 0.001 0.007 0.003 0.001 0.003 -16.2 -14.1 -54.34

060108 0.024 0.006 0.071 0.018 0.004 0.047 -26.39 -30.58 -33.59

060109 0.014 0.005 0.057 0.008 0.003 0.025 -40.63 -45.09 -56.2

060124 0.008 0.004 0.012 0.006 0.003 0.007 -28.27 -29.34 -42.7

060218 0.028 0.014 0.082 0.014 0.005 0.065 -50.59 -63 -20.77

060306 0.012 0.003 0.024 0.009 0.002 0.017 -22.76 -28.7 -29.23

060418 0.018 0.005 0.03 0.01 0.003 0.01 -43.68 -32.48 -66.37

060421 0.041 0.01 0.087 0.022 0.006 0.039 -46.03 -40.58 -55.27

20% noise

050712 0.019 0.005 0.044 0.014 0.004 0.028 -24.37 -22.28 -35.56

050318 0.011 0.006 0.046 0.009 0.004 0.034 -18.58 -19.74 -24.97

050416A 0.024 0.005 0.018 0.017 0.003 0.012 -27.39 -29.91 -31.97

050607 0.021 0.005 0.044 0.017 0.004 0.028 -17.04 -17.37 -36.04

050713A 0.01 0.003 0.018 0.009 0.003 0.012 -12.34 -10.16 -33.05

050822 0.011 0.003 0.026 0.008 0.002 0.015 -27.43 -32.13 -40.11

050824 0.025 0.006 0.094 0.016 0.004 0.059 -37.67 -35.27 -36.93

050826 0.029 0.019 0.131 0.025 0.014 0.172 -13.33 -28.04 31.46

050915B 0.036 0.008 0.115 0.027 0.006 0.073 -23.99 -30.54 -37.03

051016A 0.033 0.006 0.051 0.022 0.004 0.025 -32.78 -24.82 -50.61

051109A 0.012 0.005 0.016 0.006 0.002 0.011 -48.9 -56.82 -30.45

051221A 0.02 0.005 0.051 0.016 0.004 0.035 -23.51 -24.37 -31.17

060105 0.004 0.001 0.007 0.003 0.001 0.003 -11.94 -9.72 -51.99

060108 0.024 0.006 0.071 0.018 0.004 0.049 -23.82 -27.76 -30.82

060109 0.014 0.005 0.057 0.009 0.003 0.026 -37.84 -42.4 -54.15

060124 0.008 0.004 0.012 0.006 0.003 0.007 -23.7 -24.55 -40.13

060218 0.028 0.014 0.082 0.014 0.005 0.067 -48.31 -61.5 -18.12

060306 0.012 0.003 0.024 0.01 0.002 0.018 -20.13 -25.98 -26.29

060418 0.018 0.005 0.03 0.011 0.003 0.011 -41.52 -29.94 -64.95

060421 0.041 0.01 0.087 0.024 0.006 0.041 -41.96 -36.37 -52.87

Table 2. The error fractions of log10(Ta), log10(Fa) and αa before and after reconstruction (with relative percentage decrease
in error for all three parameters) at 10% noise (n = 0.1; top) and 20% noise (n = 0.2; bottom). First three columns give error
fraction for original W07 fit, while second three columns give error fraction for new W07 fit after reconstruction. Final three
columns give percentage decrease in error fraction after reconstruction. Full table is available online.
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Reconstruction process %avg
log10(Ta)

%avg
log10(Fa)

%avg
αa %avg

α1
%avg
α2

W07 reconstruction (10%) -33.33 -35.03 -43.32 - -

W07 reconstruction (20%) -29.49 -31.24 -40.57 - -

BPL reconstruction (10%) -33.3 -30.78 - -14.76 -43.9

BPL reconstruction (20%) -29.88 -27.2 - -1.7 -41.1

Gaussian process (W07) -24.9 -27.9 -41.5 - -

Gaussian process (BPL) -15.02 -11.91 - -25.10 -35.92

Table 4. The average percentage decrease in the error fractions for the various parameters, following the reconstruction.

GRB ID EFlog10(Ti)
EFlog10(Fi)

EFαi EFlog10(Ti)
RC EFlog10(Fi)

RC EFαi RC %log10(Ti)
%log10(Fi)

%αi

GP (W07)

050712 0.019 0.005 0.044 0.012 0.003 0.028 -34.01 -31.09 -36.97

050318 0.011 0.006 0.046 0.008 0.004 0.031 -26.66 -27.68 -32.19

050416A 0.024 0.005 0.018 0.016 0.003 0.011 -32.44 -34.04 -38.46

050607 0.021 0.005 0.044 0.017 0.004 0.028 -18.58 -19.62 -36.98

050713A 0.01 0.003 0.018 0.008 0.002 0.011 -18.81 -15.29 -35.28

050822 0.011 0.003 0.026 0.008 0.002 0.015 -29.98 -33.14 -43.56

050824 0.025 0.006 0.094 0.015 0.003 0.056 -39.2 -37.19 -40.83

050826 0.029 0.019 0.131 0.02 0.012 0.156 -32.22 -36.64 19.63

050915B 0.036 0.008 0.115 0.024 0.005 0.068 -34.36 -37.46 -41.29

051016A 0.033 0.006 0.051 0.024 0.005 0.025 -25.01 -17.02 -51.08

051109A 0.012 0.005 0.016 0.007 0.002 0.009 -41.5 -49.53 -40.98

051221A 0.02 0.005 0.051 0.013 0.004 0.033 -33.79 -32.68 -34.76

060105 0.004 0.001 0.007 0.003 0.001 0.003 -23.04 -20.31 -52.2

060108 0.024 0.006 0.071 0.018 0.004 0.047 -23.29 -28.84 -33.57

060109 0.014 0.005 0.057 0.008 0.003 0.025 -40.9 -44.23 -55.74

060124 0.008 0.004 0.012 0.005 0.003 0.007 -34.32 -34.36 -45.13

060218 0.028 0.014 0.082 0.013 0.005 0.062 -54.56 -65.62 -24.38

060306 0.012 0.003 0.024 0.01 0.002 0.018 -19.95 -26.66 -26.92

060418 0.018 0.005 0.03 0.009 0.003 0.01 -48.49 -37.4 -67.46

060421 0.041 0.01 0.087 0.032 0.008 0.046 -21.65 -20.75 -46.81

Table 5. The W07 error fractions of log10(Ta), log10(Fa) and αa before and after performing the Gaussian Process (GP)
reconstruction (with relative percentage decrease in error for all three parameters). First three columns give error fraction for
original W07 fit, while second three columns give error fraction for new W07 fit after GP reconstruction. Final three columns
give percentage decrease in error fraction after GP reconstruction. Full table is available online.
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Paczyński, B. 1998, The Astrophysical Journal Letters, 494,

L45, doi: 10.1086/311148

Panaitescu, A., & Kumar, P. 2000, The Astrophysical

Journal, 543, 66, doi: 10.1086/317090

—. 2001, The Astrophysical Journal Letters, 560, L49,

doi: 10.1086/324061

http://doi.org/10.1088/0004-637X/734/2/96
http://doi.org/10.1051/0004-6361/201731292
http://doi.org/10.1086/186969
http://doi.org/10.1111/j.1365-2966.2010.17274.x
http://doi.org/10.1126/science.1159003
http://doi.org/10.1111/j.1365-2966.2007.11879.x
http://doi.org/10.1111/j.1365-2966.2007.11953.x
http://doi.org/10.1088/0004-637X/781/1/13
http://doi.org/10.1111/j.1365-2966.2009.15733.x
http://doi.org/10.1093/mnras/stac3730
http://doi.org/10.1093/mnras/stac3730
http://doi.org/10.3847/1538-4365/aaa02a
http://doi.org/10.3847/1538-4365/aabaf3
http://doi.org/10.1088/0004-637X/758/1/27
http://doi.org/10.1088/0004-637X/805/1/13
http://doi.org/10.1088/0004-637X/707/1/328
http://doi.org/10.1086/521870
http://doi.org/10.1093/mnras/stx220
http://doi.org/10.1086/307790
http://doi.org/10.1093/mnras/sts066
http://doi.org/10.1051/0004-6361/201323361
http://doi.org/10.1143/PTPS.143.33
http://doi.org/10.1086/172360
http://doi.org/10.1111/j.1365-2966.2011.18280.x
http://doi.org/10.1093/mnras/stab1050
http://doi.org/10.1088/0004-637X/778/1/67
http://doi.org/10.1086/186493
http://doi.org/10.1086/502796
http://doi.org/10.1088/0004-637X/717/1/411
http://doi.org/10.1086/308725
http://doi.org/10.1086/500724
http://doi.org/10.1111/j.1745-3933.2012.01331.x
http://doi.org/10.1086/505457
http://doi.org/10.1086/311148
http://doi.org/10.1086/317090
http://doi.org/10.1086/324061


24

Panaitescu, A., & Vestrand, W. T. 2008, Monthly Notices

of the Royal Astronomical Society, 387, 497,

doi: 10.1111/j.1365-2966.2008.13231.x

—. 2011, Monthly Notices of the Royal Astronomical

Society, 414, 3537, doi: 10.1111/j.1365-2966.2011.18653.x

Perna, R., Lazzati, D., & Cantiello, M. 2018, The

Astrophysical Journal, 859, 48,

doi: 10.3847/1538-4357/aabcc1

Perna, R., Lazzati, D., & Giacomazzo, B. 2016, The

Astrophysical Journal Letters, 821, L18,

doi: 10.3847/2041-8205/821/1/L18

Piran, T. 1999, Physics Reports, 314, 575,

doi: 10.1016/S0370-1573(98)00127-6

—. 2004, Reviews of Modern Physics, 76, 1143,

doi: 10.1103/RevModPhys.76.1143

Piro, L., Amati, L., Antonelli, L. A., et al. 1998, Astronomy

and Astrophysics, 331, L41.

https://arxiv.org/abs/astro-ph/9710355

Piro, L., Troja, E., Gendre, B., et al. 2014, The

Astrophysical Journal Letters, 790, L15,

doi: 10.1088/2041-8205/790/2/L15

Postnikov, S., Dainotti, M. G., Hernandez, X., &

Capozziello, S. 2014, The Astrophysical Journal, 783, 126

Racusin, J. L., Liang, E. W., Burrows, D. N., et al. 2009,

ApJ, 698, 43, doi: 10.1088/0004-637X/698/1/43

Roming, P. W. A., Kennedy, T. E., Mason, K. O., et al.

2005, Space Science Review, 120, 95,

doi: 10.1007/s11214-005-5095-4

Rossi, A., Rothberg, B., Palazzi, E., et al. 2021, arXiv

e-prints, arXiv:2105.03829.

https://arxiv.org/abs/2105.03829

Rowlinson, A., Gompertz, B. P., Dainotti, M., et al. 2014,

Monthly Notices of the Royal Astronomical Society, 443,

1779, doi: 10.1093/mnras/stu1277

Ryan, G., van Eerten, H., Piro, L., & Troja, E. 2020, The

Astrophysical Journal, 896, 166,

doi: 10.3847/1538-4357/ab93cf

Sakamoto, T., Hill, J. E., Yamazaki, R., et al. 2007, The

Astrophysical Journal, 669, 1115, doi: 10.1086/521640

Sakamoto, T., Barthelmy, S. D., Barbier, L., et al. 2008,

ApJS, 175, 179, doi: 10.1086/523646

Salvaterra, R., Della Valle, M., Campana, S., et al. 2009,

Nature, 461, 1258, doi: 10.1038/nature08445

Scargle, J. D. 2020, The Astrophysical Journal, 895, 90,

doi: 10.3847/1538-4357/ab8d38

Si, S.-K., Qi, Y.-Q., Xue, F.-X., et al. 2018, The

Astrophysical Journal, 863, 50,

doi: 10.3847/1538-4357/aad08a

Soderberg, A. M., Kulkarni, S. R., Berger, E., et al. 2004,

The Astrophysical Journal, 606, 994, doi: 10.1086/383082

Srinivasaragavan, G. P., Dainotti, M. G., Fraija, N., et al.

2020a, ApJ, 903, 18, doi: 10.3847/1538-4357/abb702

—. 2020b, ApJ, 903, 18, doi: 10.3847/1538-4357/abb702

Stratta, G., Dainotti, M. G., Dall’Osso, S., Hernandez, X.,

& De Cesare, G. 2018, The Astrophysical Journal, 869,

155, doi: 10.3847/1538-4357/aadd8f

Stratta, G., Gendre, B., Atteia, J. L., et al. 2013, The

Astrophysical Journal, 779, 66,

doi: 10.1088/0004-637X/779/1/66

Tagliaferri, G., Goad, M., Chincarini, G., et al. 2005,

Nature, 436, 985, doi: 10.1038/nature03934

Tak, D., Omodei, N., Uhm, Z. L., et al. 2019, ApJ, 883,

134, doi: 10.3847/1538-4357/ab3982

Tanvir, N. R., Fox, D. B., Levan, A. J., et al. 2009, Nature,

461, 1254, doi: 10.1038/nature08459

Thompson, C. 1994, Monthly Notices of the Royal

Astronomical Society, 270, 480,

doi: 10.1093/mnras/270.3.480

Troja, E., Cusumano, G., O’Brien, P. T., et al. 2007, The

Astrophysical Journal, 665, 599, doi: 10.1086/519450

Usov, V. V. 1992, Nature, 357, 472, doi: 10.1038/357472a0

van Paradijs, J., Groot, P. J., Galama, T., et al. 1997,

Nature, 386, 686, doi: 10.1038/386686a0

Vestrand, W. T., Wozniak, P. R., Wren, J. A., et al. 2005,

Nature, 435, 178, doi: 10.1038/nature03515

Vestrand, W. T., Wren, J. A., Panaitescu, A., et al. 2014,

Science, 343, 38, doi: 10.1126/science.1242316

Wang, X.-G., Zhang, B., Liang, E.-W., et al. 2015, ApJS,

219, 9, doi: 10.1088/0067-0049/219/1/9

Willingale, R., O’Brien, P. T., Osborne, J. P., et al. 2007a,

The Astrophysical Journal, 662, 1093,

doi: 10.1086/517989

—. 2007b, ApJ, 662, 1093, doi: 10.1086/517989

Woosley, S. E. 1993, The Astrophysical Journal, 405, 273,

doi: 10.1086/172359

Woosley, S. E., & Bloom, J. S. 2006, Annual Review of

Astronomy and Astrophysics, 44, 507,

doi: 10.1146/annurev.astro.43.072103.150558

Woosley, S. E., & Heger, A. 2006, The Astrophysical

Journal, 637, 914, doi: 10.1086/498500

Zaninoni, E., Bernardini, M. G., Margutti, R., Oates, S., &

Chincarini, G. 2013, Astronomy and Astrophysics, 557,

A12, doi: 10.1051/0004-6361/201321221

Zeh, A., Klose, S., & Kann, D. A. 2006, The Astrophysical

Journal, 637, 889, doi: 10.1086/498442

Zhang, B., Fan, Y. Z., Dyks, J., et al. 2006, The

Astrophysical Journal, 642, 354, doi: 10.1086/500723

Zhang, B., & Meszaros, P. 2002, The Astrophysical

Journal, 581, 1236, doi: 10.1086/344338

http://doi.org/10.1111/j.1365-2966.2008.13231.x
http://doi.org/10.1111/j.1365-2966.2011.18653.x
http://doi.org/10.3847/1538-4357/aabcc1
http://doi.org/10.3847/2041-8205/821/1/L18
http://doi.org/10.1016/S0370-1573(98)00127-6
http://doi.org/10.1103/RevModPhys.76.1143
https://arxiv.org/abs/astro-ph/9710355
http://doi.org/10.1088/2041-8205/790/2/L15
http://doi.org/10.1088/0004-637X/698/1/43
http://doi.org/10.1007/s11214-005-5095-4
https://arxiv.org/abs/2105.03829
http://doi.org/10.1093/mnras/stu1277
http://doi.org/10.3847/1538-4357/ab93cf
http://doi.org/10.1086/521640
http://doi.org/10.1086/523646
http://doi.org/10.1038/nature08445
http://doi.org/10.3847/1538-4357/ab8d38
http://doi.org/10.3847/1538-4357/aad08a
http://doi.org/10.1086/383082
http://doi.org/10.3847/1538-4357/abb702
http://doi.org/10.3847/1538-4357/abb702
http://doi.org/10.3847/1538-4357/aadd8f
http://doi.org/10.1088/0004-637X/779/1/66
http://doi.org/10.1038/nature03934
http://doi.org/10.3847/1538-4357/ab3982
http://doi.org/10.1038/nature08459
http://doi.org/10.1093/mnras/270.3.480
http://doi.org/10.1086/519450
http://doi.org/10.1038/357472a0
http://doi.org/10.1038/386686a0
http://doi.org/10.1038/nature03515
http://doi.org/10.1126/science.1242316
http://doi.org/10.1088/0067-0049/219/1/9
http://doi.org/10.1086/517989
http://doi.org/10.1086/517989
http://doi.org/10.1086/172359
http://doi.org/10.1146/annurev.astro.43.072103.150558
http://doi.org/10.1086/498500
http://doi.org/10.1051/0004-6361/201321221
http://doi.org/10.1086/498442
http://doi.org/10.1086/500723
http://doi.org/10.1086/344338


25
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Evaluation of Coronal and Interplanetary Magnetic Field Extrapolation

Using PSP Solar Wind Observation

Yue-Chun Song

May 2023

Abstract

Using solar wind observation near PSP perihelions as constraints, we have investigated the parameters in
various PFSS model methods. It’s found that the interplanetary magnetic field extrapolation with source sur-
face height RSS = 2Rs is better than that with RSS = 2.5Rs. HMI and GONG magnetograms show similar
performance in the simulation of magnetic field variation, but the former appears to have a slight advantage in
reconstruction of intensity while the latter is more adaptable to sparser grids. The finite-difference method of
constructing eigenvalue problem for potential field can achieve similar accuracy as analytic method and greatly
improve the computational efficiency. MHD modeling performs relatively less well in magnetic field prediction,
but it is able to provide rich information about solar-terrestrial space.

Key words: Sun: magnetic fields — solar wind — solar–terrestrial relations — MHD

1 Introduction

Solar magnetic field is closely related to various structures and activities in solar-terrestrial space, and also
an important factor affecting space weather. The dynamically changing magnetic field is the source of nearly
all solar activity affecting earth and human technological systems. Yet due to the limited observational tech-
niques, at present, only in-situ magnetic field measurement of spacecrafts and radial magnetic field measurement
of photosphere are relatively accurate. The observed chromospheric magnetic field has been continuously im-
proved, while the direct measurement of the coronal magnetic field is still a difficult problem in solar physics
[Yang et al.(2020a), Yang et al.(2020b)].

Some latest research has obtained the coronal magnetic field intensity distribution through indirect ways
[Yang et al.(2020b)], but the commonly used method is still by extrapolation based on the measured photospheric
magnetic field [Wiegelmann & Sakurai(2021)]. For certain coronal region where plasma β � 1, under the assump-
tion of force-free field model, the Lorentz force is 0, that is,

j ×B = 0, (1)

∇×B = αB. (2)

Utilizing Maxwell’s equations, that can be further simplified to a form containing only the magnetic field B. If α
is constant among that spatial range, B will be a linear force-free field, and particularly, a potential field where’s
no current with α = 0; if α varies in space, a nonlinear force-free field will be obtained. When the premise β � 1
doesn’t hold, a more comprehensive model is needed to calculate the coronal magnetic field, such as the magne-
tohydrostatic model [Ruan et al.(2008)], the stationary magnetohydrodynamic model [Wiegelmann et al.(2020)],
magnetohydrodynamic model [Mikić et al.(2018)], etc.

And for interplanetary space farther from the sun, the magnetic field can often be thought of as coupled to
the plasma. As the solar wind spreads radially outward, a spiral structure is formed. That helical structure
is also commonly referred to as ”Parker spiral” due to Parker’s seminal work on interplanetary magnetic field
[Parker(1958)]. Then at a larger distance from the heliocentric (r � Rs), Br ∝ 1/r2, and Bφ ∝ 1/r.

Magnetometers are usually used to obtain the three-component magnetic field. We track the measurements
at the satellite location to acquire the structure of local magnetic field. Before the launch of the Parker Solar
Probe in 2018, the interplanetary magnetic field was mainly observed near 1 AU. PSP is able to reach the corona
at about 9.5 solar radii from the sun and conduct direct measurements of the velocity of protons within 0.5 AU
as well as the coronal and interplanetary magnetic field along its orbit, which provides more accurate solar wind
speed input and new effective reference for optimizing the models.

In this work we mainly analyze the coronal and interplanetary magnetic field with Potential Field Source
Surface (PFSS) model and magnetohydrodynamic (MHD) model. Section 2 introduces the observational data
used in this paper. Section 3 describes several algorithms for PFSS model and MHD model in detail. Section 4
is about the magnetic field simulation results and the comparison with in-situ observation. The adjustment of
parameters and the selection of magnetograms are discussed. Section 5 integrates the main conclusion and issues
that still need further research.
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2 Data

PSP (Parker Solar Probe) mission [Fox et al.(2016)] is to track how energy and heat are transported in solar
corona, and to explore what drives the acceleration of solar wind and solar energetic particles. We focus on
two groups of instruments here. FIELDS (The electromagnetic fields investigation) captures the magnitude and
direction of electric and magnetic fields in the solar atmosphere, and measures waves and turbulence in the inner
heliosphere with high temporal resolution to understand the magnetic fields associated with waves, shock waves
and magnetic reconnection, as well as electric fields in a wide frequency range measured directly or from a long
distance [Bale et al.(2016)]. SWEAP (The Solar Wind Electrons Alphas and Protons investigation) counts the
richest particles (electrons, protons and helium ions) in the solar wind and measures properties such as velocity,
density and temperature to improve our understanding of solar wind and coronal plasma [Kasper et al.(2016)].
The radial component of proton velocity from SWEAP was used in this study as the observed data of solar wind
velocity, while some simulation results were compared with the in-situ magnetic field measurements from FIELDS.

GONG (The Global Oscillation Network Group) aims to use helioseismology to conduct detailed research on
the internal structure and dynamics of the sun. It relies on a network of six stations around the earth to achieve
near-continuous observation. The synoptic map generated by GONG’s zero point corrected magnetogram is used
in the simulations in this paper, which corrects the zero-point uncertainty caused by heterogeneity and small
imperfections in the magnetogram modulator on the basis of the standard magnetogram. Also, the polar field
correction was carried out according to the lower-latitude observed magnetic field by a cubic polynomial surface
fit [Li et al.(2021)].

HMI (Helioseismic and Magnetic Imager) is one of the three instruments of SDO (Solar Dynamics Observatory),
the main goal is to study the origin of solar changes and understand the internal structure of the sun as well as
the various components of magnetic activity. HMI observes the motion of photosphere to study solar oscillation,
studies the three components of the photospheric magnetic field according to the polarization of specific spectral
lines, and makes high-resolution measurements of the vector magnetic field on the entire visible sun surface (SDO,
HMI). Only synoptic maps for different Carrington Rotations (CR) are used here, which are made of magnetograms
near the central meridian with a resolution of 3600× 1440.

K-COR (COSMO K-CORONAGRAPH) is one of the constituent instruments of the COSMO (The COronal
Solar Magnetism Observatory) facility suite, dedicated to the study of the formation and dynamics of coronal
mass ejections and the evolution of inner coronal density structure, which records the polarization brightness of
light emitted by photosphere and scattered by free electrons in the corona. This paper uses K-COR observations
as reference to verify the simulation of coronal magnetic field structure. The high-contrast K-COR white light
image can clearly show the positions of various coronal structures.

We also evaluated some models with OMNI data set, which is primarily a 1963-to-current compilation of hourly-
averaged, near-Earth solar wind magnetic field and plasma parameter data from several spacecraft in geocentric
or L1 (Lagrange point) orbits.

3 Physical models and calculation methods of coronal and in-
terplanetary magnetic field

3.1 PFSS Model and Parker Spiral Field

Potential Field Source Surface (PFSS) model [Schatten et al.(1969)] is widely used for magnetic field extrapolation
from solar photosphere to corona and interplanetary space. Usually, the potential field solution within the desig-
nated source surface is obtained from the synoptic map by spherical harmonic function or finite difference method,
and the magnetic field is extrapolated to interplanetary space considering the consistency between trajectory of
solar wind and magnetic field structure.

With the in-situ solar wind velocity measured by PSP, this helical magnetic connectivity can be expressed as

φ(r) = φ0 −
Ω

VSW
(r − r0),

where φ(r), r are the longitude of a point at interplanetary space and its distance to solar center, Ω is solar
rotation rate. And φ0, r0, VSW are the longitude, heliocentric radius, the radial solar wind speed observation of
PSP respectively [Badman et al.(2020)]. Then for each point at PSP trajectory, we can find the corresponding
points at source surface or further interplanetary space along the magnetic flux tube it’s located, with extrapolating
the solar wind speed around those positions.

From source surface to interplanetary space, we use Parker spiral to describe the magnetic field [Parker(1958)].
Source surface is assumed to have only Br components, while Bθ and Bφ components are zero. Since the magnetic
field is coupled to plasma, the interplanetary magnetic field is actually governed by velocity field. Components of
the velocity field can be expressed by following equations:

vr(r, θ, φ) = VSW, (3)

vθ(r, θ, φ) = 0, (4)

vφ(r, θ, φ) = Ω(r −Rss) sin θ. (5)
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The corresponding components of magnetic field are:

Br(r, θ, φ) = Br(RSS , θ, φ0)(RSS/r)
2, (6)

Bθ(r, θ, φ) = 0, (7)

Bφ(r, θ, φ) = Br(r, θ, φ)(Ω/VSW)(r −RSS) sin θ. (8)

Magnetic field within the spherical shell region from photosphere to source surface can be solved by the following
properties and boundary conditions:

∇×B = 0, (9)

∇ ·B = 0, (10)

Br|r=1 = M(θ, φ), (11)

Bθ|r=RSS = Bφ|r=RSS = 0, (12)

where M(θ, φ) represents the photospheric magnetic field measurement.

3.1.1 Analytical solution of potential field in the form of spherical harmonics [Wiegelmann(2011)]

According to the irrotational property Equation (9), the scalar potential of B can be constructed so that

B = ∇Φ,

At this time, Equation (9) has been automatically satisfied, and it is only necessary to solve Equation (10) under
boundary conditions, namely

∆Φ = 0.

It has an analytical solution in spherical coordinate (r, θ, φ):

Φ(r, θ, φ) =

∞∑
l=0

l∑
m=−l

[Almr
l + blmr

−(l+1)]Ylm(θ, φ),

where Ylm is spherical harmonic function, and Alm and Blm are coefficients obtained according to boundary
conditions. Then the three components of magnetic field can be expressed as

Br(r, θ, φ) =

∞∑
l=0

l∑
m=−l

[Almlr
(l−1) −Blm(l + 1)r−(l+2)]Ylm(θ, φ), (13)

Bθ(r, θ, φ) =
1

r

∂Φ(r, θ, φ)

∂θ
, (14)

Bφ(r, θ, φ) =
1

r sin(θ)

∂Φ(r, θ, φ)

∂φ
. (15)

Given the photospheric magnetic field M(θ, φ), its spherical harmonic expansion can be written as

M(θ, φ) =

∞∑
l=0

l∑
m=−l

ClmYlm(θ, φ), Clm =

∫ 2π

0

∫ π

0

Y ∗lm(θ, φ)M(θ, φ) sin(θ)dθdφ, (16)

where Y ∗lm = (−1)mYl,−m. Based on von Neumann condition Br(r0, θ, φ) = ∂Φ
∂r

on photosphere we get

Almlr
(l−1)
0 −Blm(l + 1)r

−(l+2)
0 = Clm.

Then according to the magnetic field turns radial at source surface r = r1, that is, Bθ = Bφ = 0, we have

Almr
l + blmr

−(l+1) = 0.

So coefficients in the analytical solution of potential field will be

Alm =
Clmr

2+l
0

r1+2l
1 + l(r1+2l

0 + r1+2l
1 )

,

Blm = − Clmr
2+l
0 r1+2l

1

r1+2l
1 + l(r1+2l

0 + r1+2l
1 )

.

But infinite series cannot be calculated directly in practical application, only a limited number of l can be inter-
cepted for summation and the result is still an approximate solution.
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3.1.2 Finite Difference Iterative Potential-field Solver (FDIPS) [Tóth et al.(2011)]

Finite Difference Iterative Potential-field Solver (FDIPS) also transforms the problem into the solution of Laplace
equation under boundary conditions by constructing a scalar potential. Under spherical coordinates (r, θ, φ),
r, cos θ, φ are evenly divided into Nr, Nθ, Nφ units respectively. The magnetic field is discretized to cell faces and
the scalar potential is discretized at cell centers, with an additional layer of ghost cells to represent the boundary
conditions. Set cell centers as (ri, θj , φk), the magnetic field can be expressed in discrete gradient form as

Br,i+1/2,j,k =
Φi+1,j,k − Φi,j,k

∆r
, (17)

Bθ,i,j+1/2,k =
sin θj+1/2(Φi,j+1,k − Φi,j,k)

ri∆ cos θ
, (18)

Bφ,i,j,k+1/2 =
Φi,j,k+1 − Φi,j,k
ri sin θj∆φ

. (19)

Then the divergence of magnetic field ∇2Φ can be approximated as

0 = (∇2Φ)i,j,k =
r2
i+1/2Br,i+1/2,j,k − r2

i−1/2Br,i−1/2,j,k

r2
i∆r

+
sin θj+1/2Bθ,i,j+1/2,k − sin θj−1/2Bθ,i,j−1/2,k

ri∆ cos θ
+
Bφ,i,j,k+1/2 −Bφ,i,j,k−1/2

ri sin θj∆φ
. (20)

Next we need to find Φi,j,k that satisfies the discrete Laplace equation Equation (20) and boundary conditions.
If it is substituted into Φ = 0, a non-zero residual Ri,j,k will be generated due to the non-uniformity of inner
boundary condition. Construct a new boundary value problem

(∇2Φ)i,j,k = Ri,j,k,

Φ0,j,k = Φ1,j,k,

and solve it by iterative method, then the solution and the initial boundary conditions just constitute the required
potential field solution.

3.1.3 pfsspy algorithm and construction of eigenvalue problem in finite difference form
[Yeates(2020)]

For spherical coordinates (r, θ, φ), note ρ = ln(r), s = cos θ. The algorithm uses a grid composed of equidistantly
divided ρ, s, φ for calculation, and the Lamé coefficient of the orthogonal curvilinear coordinate system |dr/dρ|,
|dr/ds|, |dr/dφ| are respectively

hρ = r = eρ, hs =
r

sin θ
=

eρ√
1− s2

, hφ = r sin θ = eρ
√

1− s2.

The general strategy for calculating the magnetic field here is to construct its vector potential according to the
passive property, i.e. to assume

B = ∇×A′, A′ = ∇×
(
ψ′ eρ

)
,

then in curvilinear coordinates

B = −∆⊥ψ
′ eρ +

1

hφ
∂φ

(
1

hρ
∂ρψ

′
)

eφ +
1

hs
∂s

(
1

hρ
∂ρψ

′
)

es. (21)

And from the irrotational property, B can be expressed as gradient of a scalar. Considering Equation (21), it can
be first noted as

B = ∇
( 1

hρ
∂ρψ

′)+ f ′(ρ),

where f ′(ρ) is a unary function of ρ. Let ψ = ψ′ + hρ
∫
f ′(ρ)dρ, A = ∇× (ψ eρ), then

B = ∇
( 1

hρ
∂ρψ

)
. (22)

It is easy to verify that there’s also

B = ∇×A = −∆⊥ψ eρ +
1

hφ
∂φ

(
1

hρ
∂ρψ

)
eφ +

1

hs
∂s

(
1

hρ
∂ρψ

)
es. (23)

Then by Equation (22) and (23),

∇2
⊥ψ = − 1

hρ
∂ρ

(
1

hρ
∂ρψ

)
. (24)
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Next we only need to solve ψ according to Equation (24) and then calculate A and B. Note the grid point as

(ρk, sj , φi) and define the edge lengths L
k+1/2,j,i
ρ , L

k,j+1/2,i
s , L

k,j,i+1/2
φ then Equation (24) can be discretized as

U j+
1/2(ψk,j+1/2,i+3/2 − ψk,j+1/2,i−1/2)+ V j+1ψk,j+

3/2,i+1/2 + V jψk,j−
1/2,i+1/2

−
(

2U j+
1/2 + V j+1 + V j

)
ψk,j+

1/2,i+1/2

= − c(∆ρ) e2ρk

L
k,j+1/2,i+1/2
ρ

(
ψk+1,j+1/2,i+1/2 − ψk,j+1/2,i+1/2

L
k+1/2,j+1/2,i+1/2
ρ

− ψk,j+
1/2,i+1/2 − ψk−1,j+1/2,i+1/2

L
k−1/2,j+1/2,i+1/2
ρ

)
, (25)

where

U j+
1/2 =

(
Ls

∆s∆φLφ

)j+1/2

, V j =

(
Lφ

∆s∆φLs

)j
, c(∆ρ) =

2 e∆ρ/2

e∆ρ + 1
= sech

(
∆ρ

2

)
.

Boundary conditions in pfsspy algorithm are also set by a layer of ghost cells. Next it‘s only necessary to solve
the nρnsnφ × nρnsnφ order linear equations composed of Equation (25). Suppose there are eigenfunctions of the
form

ψk,j+
1/2,i+1/2 = fkQ

j+1/2
lm e2πImi/nφ . (26)

where k in fk represents a power, I is imaginary unit, and Q is a set of standard orthogonal functions about l.
Substitute Equation (26) into (25) to get the tridiagonal eigenvalue problem

− V jQj−1/2
lm +

(
V j + V j+1 + 4U j+

1/2 sin2
(
πm
nφ

))
Q
j+1/2
lm − V j+1Q

j+3/2
lm = λlmQ

j+1/2
lm , (27)

thus f can be obtained from λlm by solving the quadratic equation

λlm =
c(∆ρ)

e∆ρ/2 − e−∆ρ/2

(
f − 1

e∆ρ − 1
− 1− f−1

1− e−∆ρ

)
. (28)

For each l, m, the two solutions can be expressed as f+
lm, f

−
lm. The potential field ψ can be written as a linear

combination of these two sets of radial eigenfunctions:

ψk,j+
1/2,i+1/2 =

ns−1∑
l=0

nφ−1∑
m=0

[
clm(f+

lm)k + dlm(f−lm)k)
]
Q
j+1/2
lm e2πImi/nφ , (29)

where coefficients clm and dlm are determined by boundary conditions. In fact, with the improvement of grid
density, Q

j+1/2
lm as a function of θ should converge to the corresponding associated Legendre polynomial Pml (cos θ)

in the sense of normalization.

3.2 Alfvén Wave Solar Model [van der Holst et al.(2014)]

We use Alfvén Wave Solar Model (AWSoM) based on fundamental equations of magnetohydrodynamics as a
reference that considers as many physical processes and different particle motion properties in solar-terrestrial
space as possible. This is a global model from upper chromosphere to heliosphere, dealing with coronal heating
and solar wind acceleration with Alfvén wave turbulence, making Poynting flux proportional to magnetic field by
injecting Alfvén wave energy at the inner boundary. The model also uses photospheric measurements to simulate
the 3D magnetic field topology, but does not impose a boundary between open and closed field lines.

Figure 1 shows the deduced density and magnetic field distribution on the solar equatorial plane in CR2215.
Figure 2 depicts the solar wind velocity calculated by this MHD model against corresponding PSP observations
during CR2215, where their mean values are 373.2 km/s and 322.7 km/s respectively, with a root mean square
error of 79.1 km/s.

4 Evaluation of Coronal and Interplanetary Magnetic Field Mod-
eling

In Part 4.1, we calculated the magnetic field results of different models based on the observation of CR2210 which
is around the first perihelion of PSP (2018 November 5), and studied the influence of relevant parameters and
synoptic maps. The performance of some models at 1AU is briefly discussed in Part 4.2. Part 4.3 analyzes the
importance of PSP’s near-solar detection. Then in Part 4.4 we made some attempts to improve the PFSS model
and applied the method to CR2215 around the second perihelion of PSP (2019 April 4). PSP had similar paths in
the two periods of interest, with their closest approaches to the Sun around 0.167AU. Figure 3 shows the trajectory
of PSP and Earth in carrington system around the first one.

Regarding the data selection of GONG, Figure 4 compares the magnetic polarity distribution of source surface
when the potential field is calculated using the standard magnetogram and the zero-point corrected magnetogram
in the same period. It can be seen that it is necessary to correct the zero-point uncertainty. Therefore all subsequent
simulations will use the zero-corrected version when inputting the GONG photosphere magnetogram.
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Figure 1: Density and magnetic field distribution on solar equatorial plane deduced by AWSoM.

Figure 2: Radial solar wind speed measured by PSP (black) and deduced by AWSoM (orange).

6



Figure 3: The trajectory of PSP (green) and Earth (purple) from 2018 Oct. 1 to Nov. 30.

Figure 4: The polarity distribution of the source surface magnetic field obtained from GONG standard magnetogram
(left) and zero-point corrected magnetogram (right).
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The simulated interplanetary magnetic field is usually found to be underestimated when compared with in-situ
observation, i.e. “open flux problem” [Linker et al.(2017)]. Because the magnetic flux originating from solar polar
region may have a non-negligible contribution to the interplanetary magnetic field, but due to the limitation of
observation conditions, this part of data is often missing or inaccurate, which may lead to a low result when
using the photosphere magnetic map for extrapolation. This problem exists in many models and has not been
solved, but the effect can be partially corrected either by adding a polar field to the model or by multiplying
the simulation results by an appropriate coefficient [Linker et al.(2017), Riley et al.(2019)]. For convenience of
comparison, simulation curves in this paper are scaled up to have the same average absolute value of Br as PSP
observed data.

4.1 Modeling and Parameter Analysis Based on the First Perihelion Obser-
vation of PSP

In this section we use 4 algorithms introduced in Section 3 to calculate the coronal and interplanetary magnetic
fields, and compare them with in-situ observation of PSP. The time range of CR2210 is from 2018 October 26
20:53:35 to November 23 04:13:09.

Figure 5: The extrapolated Bθ in PFSS model (red) and PSP in-situ data (black).

As shown in Figure 5, the Bθ component of interplanetary magnetic field obtained by PFSS model is always
zero, which has a RMSE (root mean square error) of about 10.1777 nT compared with the observed data of PSP
in CR2210. For brevity we will avoid displaying it repeatedly in this part.

4.1.1 Spherical harmonic method results

Table 1: LINFF experiment records. From left to right are successively the number of truncated terms, the number of
grids in three directions, the position of source surface (referring to solar radius), magnetogram, the scaling coefficient,
the polarity coincidence rate of Br and Bφ components with observed data, and the RMSE of scaled Br, Bφ and B
relative to observed data.

# l Nr Nθ Nφ Rss Input Scale Pr Pφ RMSE(Br) RMSE(Bφ) RMSE(B)

1 24 50 90 180 2.0 HMI 3.25958 0.884146 0.762195 14.7592 12.7902 11.5167
2 24 75 90 180 2.5 HMI 8.76151 0.893293 0.771341 19.4168 13.1917 18.1216
3 24 150 180 360 2.5 HMI 8.75295 0.893293 0.771341 19.4094 13.1918 18.1122
4 24 100 180 360 2.0 HMI 3.25737 0.884146 0.762195 14.7597 12.7910 11.5179
5 12 100 180 360 2.0 HMI 3.25702 0.884146 0.762195 14.7598 12.7911 11.5177
6 12 150 180 360 2.5 HMI 8.75284 0.893293 0.771341 19.4090 13.1917 18.1117
7 12 75 90 180 2.5 HMI 8.76141 0.893293 0.771341 19.4165 13.1917 18.1212
8 12 50 90 180 2.0 HMI 3.25924 0.884146 0.762195 14.7592 12.7903 11.5165
9 12 50 90 180 2.0 GONG 3.68910 0.873476 0.754573 14.7237 12.7941 11.4225
10 12 75 90 180 2.5 GONG 10.8356 0.888719 0.772866 20.2375 13.2663 19.1685
11 12 150 180 360 2.5 GONG 10.8233 0.888719 0.772866 20.2267 13.2661 19.1552
12 12 100 180 360 2.0 GONG 3.68647 0.873476 0.754573 14.7244 12.7950 11.4239
13 24 100 180 360 2.0 GONG 3.68674 0.873476 0.754573 14.7239 12.7949 11.4236
14 24 150 180 360 2.5 GONG 10.8234 0.888719 0.772866 20.2269 13.2661 19.1554
15 24 75 90 180 2.5 GONG 10.8356 0.888719 0.772866 20.2377 13.2663 19.1688
16 24 50 90 180 2.0 GONG 3.68937 0.873476 0.754573 14.7233 12.7940 11.4222
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Figure 6: The spherical harmonic function extrapolated magnetic field compared with PSP in-situ data (black).

As for analytical method of potential field model, the standard potential field solution tool in LINFF code
developed by Thomas Wiegelmann is used here. Since this algorithm requires quite a lot of storage space, only
some short truncations could be analyzed. Figure 6 shows a comparison of these results with observed magnetic
field provided by PSP. Parameters are shown in Table 1.The number of truncated terms and mesh density have
very slight effects on the results in the range of values we selected. As we can see in Figure 6, the curves for
same magnetogram and same source surface position almost overlap. HMI magnetogram with smaller scaling
coefficients seem to have better performance in the reconstruction of magnetic field strength. Each simulation
reliably reproduced magnetic polarity, with the results at 2.5 Rs slightly better than those at 2.0Rs but they
were fairly close. Figure 7 shows field lines of the 13th and 14th simulations against K-COR white light images
from several angles, where open field lines versus coronal holes, closed field lines versus streamers are basically
corresponding. However, in the reconstruction of magnetic field intensity and variation, the model performance is
significantly better when the source surface is set at 2.0 Rs than at 2.5 Rs.

4.1.2 Finite difference iterative method results

Table 2: FDIPS experiment records. From left to right are successively the number of grids in three directions, the
position of source surface (referring to solar radius), magnetogram, the scaling coefficient, the polarity coincidence
rate of Br and Bφ components with observed data, and the RMSE of scaled Br, Bφ and B relative to observed data.

# Nr Nθ Nφ Rss Input Scale Pr Pφ RMSE(Br) RMSE(Bφ) RMSE(B)

1 150 180 360 2.5 GONG 14.9516 0.899390 0.771341 18.6481 13.1826 18.2914
2 100 180 360 2.0 GONG 5.84323 0.887195 0.759146 14.7839 12.8209 11.8553
3 150 180 360 2.5 HMI 13.3404 0.893293 0.771341 19.4599 13.2055 18.3009
4 150 180 360 2.0 HMI 5.19182 0.882622 0.760671 15.1098 12.8271 11.8508

The results of FDIPS are shown in Figure 8. The iteration accuracy is to relative error of 10−10 and other
input parameters are shown in Table 2. The influence of magnetogram and source surface position setting on the
model is basically the same as that in LINFF algorithm, but it can be inferred that this method is slightly deficient
about reconstruction of magnetic field intensity, because the scaling coefficients are relatively high and dwindling
the relative error of iterative calculation to 10−15 or increasing the number of radial grid points to 1000 cannot
further reduce them. Moreover, if the mesh density in these four simulations is reduced by half, the magnetic
polarity changes will be completely unreliable. Considering that grid density of model is limited by the spatial
resolution of the photosphere magnetic field measurement, it is inevitable that direct difference method like this
will omit more details in observed data.

4.1.3 Finite difference eigenvalue method results

The results obtained by pfsspy algorithm are shown in Figure 9 and Table 3 is for detailed input parameters. The
effect of source surface position and magnetogram setting is similar to that in the previous two algorithms. This
time, GONG magnetogram still yielded usable results when extrapolating with a lower mesh density (the 5th and
6th in Table 3) while HMI didn’t. It is also worth noting that pfsspy gives magnetic field intensity higher thus
also closer to observed data than FDIPS does. The higher mesh density in the 7th simulation further optimizes

9



Figure 7: The coronal magnetic field structure at different time in CR2210 with a designated source surface at 2.0 Rs
(upper two rows) and 2.5 Rs (lower two rows) superimposed on K-COR white light images.
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Figure 8: Comparison of FDIPS magnetic field simulation and PSP in-situ data (black).

Figure 9: Comparison of pfsspy magnetic field simulation and PSP in-situ data (black).
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Table 3: pfsspy experiment records. From left to right are successively the number of grids in three directions, the
position of source surface (referring to solar radius), magnetogram, the scaling coefficient, the polarity coincidence
rate of Br and Bφ components with observed data, and the RMSE of scaled Br, Bφ and B relative to observed data.

# Nr Nθ Nφ Rss Input Scale Pr Pφ RMSE(Br) RMSE(Bφ) RMSE(B)

1 150 180 360 2.5 HMI 8.39061 0.896341 0.771341 17.1127 12.9424 15.4212
2 100 180 360 2.0 HMI 3.55109 0.891768 0.763719 14.8055 12.7654 11.8749
3 100 180 360 2.0 GONG 3.99026 0.884146 0.765244 14.8394 12.7594 11.4648
4 150 180 360 2.5 GONG 9.66459 0.891768 0.772866 17.4822 12.9596 15.3989
5 75 90 180 2.5 GONG 9.53747 0.893293 0.771341 18.2963 13.0382 16.3696
6 50 90 180 2.0 GONG 3.90028 0.884146 0.765244 14.9576 12.7592 11.6256
7 100 360 720 2.0 HMI 3.44005 0.885671 0.763719 14.9135 12.7766 11.3967

its performance in field strength reconstruction. It can be seen that a tactical separation of variables according to
the structure of analytical solution is very helpful to improve the finite difference method.

Although it is possible to obtain better results by refining the grid based on HMI synoptic maps with high
spatial resolution, this operation requires the support of huge computing resources. Consistent with the complexity
of the calculation mechanism, LINFF, FDIPS and pfsspy consume about several hours to more than ten hours,
tens of minutes and tens of seconds for a calculation respectively. And under the usual conditions, a little attempt
to refine the grid is only feasible in pfsspy algorithm.

4.1.4 MHD results

Figure 10: Comparison of AWSoM simulation (orange) and PSP in-situ data (black).

Table 4: AWSoM experiment records. From left to right are successively the scaling coefficient, the polarity coinci-
dence rate of three components with observed data, and the RMSE of scaled Br, Bθ, Bφ and B relative to observed
data.

Scale Pr Pθ Pφ RMSE(Br) RMSE(Bθ) RMSE(Bφ) RMSE(B)

4.40752 0.867378 0.503049 0.643293 21.1803 13.8542 41.0425 26.3491

The main input parameters we use in AWSoM MHD model are Poynting ratio= 0.7× 106 J/(m2sT), which is
ratio of Poynting flux to magnetic field strength at the photosphere level, and Coronal Heating= 1.5× 105 mT1/2,
which is perpendicular correlation length times the square root of local magnetic field intensity. They are assumed
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to be constants in this model and selected according to developers’ recommendation which is also experienced
almost the optimal selection. The inner boundary is at 1.1 Rs. Simulation results are shown in Figure 10 and
Table 4. It’s clear that previous PFSS simulations using solar wind velocity observation show much more accurate
details. Although MHD model provides more information than PFSS about Bθ, which is actually of the smallest
magnitude, it seems difficult to give a sufficiently reliable prediction.

4.2 Results at 1 AU

Figure 11: Comparison of MHD (orange curves in top two rows) and PFSS (colored curves in bottom two rows)
results with near-Earth magnetic field observation (black).

The results of LINFF’s 3rd, 4th, 13th, and 14th simulations and AWSoM were compared with near-Earth
magnetic field observation. The results are shown in Figure 11 and Table 5. The scaling factors determined earlier
from PSP radial magnetic field measurement are still used here, and the solar wind velocity in PFSS model is
obtained by slightly smoothing the PSP observation. It can be seen that PFSS model still has a relatively better
performance in polarity prediction.
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Table 5: Evaluation based on 1AU observation to MHD and PFSS model. From left to right are successively the
model, scaling coefficient, the polarity coincidence rate of three components with observed data, and the RMSE of
scaled Br, Bθ, Bφ and B relative to observed data.

Model Scale Pr Pθ Pφ RMSE(Br) RMSE(Bθ) RMSE(Bφ) RMSE(B)

MHD 4.40752 0.647866 0.548781 0.565549 3.23861 2.40222 3.56879 2.72186
PFSS (HMI, 2.5Rs) 8.75295 0.682927 - 0.772866 2.90104 1.77866 2.91423 2.54280
PFSS (HMI, 2.0Rs) 3.25737 0.696646 - 0.777439 2.33263 1.77866 2.52706 3.00398

PFSS (GONG, 2.0Rs) 3.68674 0.695122 - 0.778963 2.34179 1.77866 2.51460 2.97959
PFSS (GONG, 2.5Rs) 10.8234 0.689024 - 0.769817 3.18623 1.77866 3.11440 2.68109

4.3 The Role of PSP Near-Solar Observation Data

Figure 12: Comparison of PFSS model results using constant solar wind velocity with PSP in-situ observation (black).

Table 6: Evaluation of PFSS model using constant solar wind velocity. From left to right are successively the model
setting (magnetogram and the position of source surface), the scaling coefficient, the polarity coincidence rate of Br
and Bφ components with observed data, and the RMSE of scaled Br, Bφ and B relative to observed data.

PFSS Scale Pr Pφ RMSE(Br) RMSE(Bφ) RMSE(B)

HMI, 2.5Rs 10.1454 0.907012 0.769817 25.4906 14.2319 24.8593
HMI, 2.0Rs 3.54765 0.882622 0.766768 17.0102 12.9171 14.2442

GONG, 2.0Rs 3.99926 0.881098 0.762195 16.8224 12.8831 13.9287
GONG, 2.5Rs 12.5992 0.878049 0.762195 26.7738 14.4556 26.2948

In order to find out how much role the solar wind velocity measured by PSP plays in PFSS model, the potential
field solutions obtained by the 3rd, 4th, 13th and 14th simulations in LINFF are extrapolated to interplanetary
space with a constant radial solar wind velocity of 400 km/s and compared with the in-situ magnetic field mea-
surement of PSP. The results are shown in Figure 12 and Table 6. As expected, the measured velocity improves
the simulation of magnetic field strength and variation considerably.

4.4 About the Near-Real-Time GONG Synoptic Magnetograms

Considering the high temporal resolution of GONG synoptic maps, it could be used to further optimize the PFSS
model and there has been some work done for it [Badman et al.(2020)], so we tried to update the magnetic map
once a day in CR2210, select the source surface at 2.0 solar radii, and recalculate the results of FDIPS and
pfsspy using a grid of 150 × 180 × 360, with Figure 13 and Table 7 displaying the results. The same approach is
applied to CR2215 to obtain Figure 15, while we also present the results of MHD model as reference in Figure
14 and evaluate their performance in Table 8. AWSoM parameters here are recommended values Poynting ratio
= 1.0× 106 J/(m2sT) and Coronal Heating = 1.5× 105 mT1/2.

The analysis shows that updating the input over time does not seem to improve the overall performance of
PFSS model as expected. This may be because the zero point corrected magnetograms have been individually
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Figure 13: Magnetic field in CR2210 obtained by PFSS model with time-varying synoptic maps as input. The upper
and lower rows are calculated with FDIPS and pfsspy respectively. Each colored curve is associated with an individual
magnetogram while the black curve is spliced according to the principle of time proximity. The black dots are still
from PSP observation.

Figure 14: The comparison of MHD model magnetic field (orange) and PSP in-situ data (black) in CR2215.
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Figure 15: Magnetic field in CR2215 obtained by PFSS model with time-varying synoptic maps as input. The upper
two and lower two rows are calculated with FDIPS and pfsspy respectively. Each colored curve is associated with an
individual magnetogram while the black curve is spliced according to the principle of time proximity. The black dots
are still from PSP observation.
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Table 7: Evaluation of multi-magnetogram PFSS model (CR2210). From left to right are successively the model,
the scaling coefficient, the polarity coincidence rate of Br and Bφ components with observed data, and the RMSE of
scaled Br, Bφ and B relative to observed data.

Model Scale Pr Pφ RMSE(Br) RMSE(Bφ) RMSE(B)

PFSS (FDIPS) 6.95485 0.882622 0.757622 20.0187 13.1755 14.7814
PFSS (pfsspy) 5.35645 0.878049 0.762195 19.8198 12.9848 14.2208

Table 8: Evaluation of MHD and multi-magnetogram PFSS model (CR2215). From left to right are successively the
model, scaling coefficient, the polarity coincidence rate of three components with observed data, and the RMSE of
scaled Br, Bθ, Bφ and B relative to observed data.

Model Scale Pr Pθ Pφ RMSE(Br) RMSE(Bθ) RMSE(Bφ) RMSE(B)

MHD 2.45207 0.885496 0.496183 0.770992 25.7666 9.63254 13.9690 23.0783
PFSS (FDIPS) 9.72423 0.938931 - 0.787786 16.1711 9.40109 13.6049 13.6724
PFSS (pfssspy) 13.2842 0.940458 - 0.789313 17.1665 9.40109 13.3503 14.7113

scaled to varying degrees during generation and it may not be appropriate to combine them directly in this way.
However, we can speculate that if GONG standard maps are used in model, the refinement of time mesh will have
a good effect. In addition, we assume that the radial velocity of each flux tube remains constant over a Carrington
rotation to use PSP solar wind velocity data, so it is theoretically more appropriate to use a constant photosphere
magnetogram here.

5 Conclusions & discussion

In this paper, we used in-situ measurements of solar wind around the first and second perihelion of PSP to ob-
tain coronal and interplanetary magnetic fields. Combining the Potential Field Source Surface (PFSS) coronal
magnetic field model and the Parker spiral interplanetary magnetic field model is a common method to describe
the solar-terrestrial space magnetic structure. An initial method for solving the potential field is by spherical
harmonic functions, which provides the most accurate results for the model but the calculation process consumes
a lot of time. Among those algorithms, compared with using the standard analytical form truncation or di-
rectly performing iterative difference calculation (such as FDIPS) on the Laplace equation, separating variables
according to the structure of the analytical solution after constructing the difference scheme then converting to
an eigenvalue problem (such as pfsspy) or using numerical methods to perform fast spherical harmonic transfor-
mation [Suda & Takami(2002)] in the analytical process can often combining advantages of the previous two and
significantly improve computational efficiency. An important parameter for the solution of spiral interplanetary
magnetic field is solar wind speed, and after the launch of PSP, the actual measured data other than a constant
can be used, which is of great significance to the prediction of space weather. We can also obtain coronal and
interplanetary magnetic fields through MHD methods (such as AWSoM).

By comparing the simulated results with interplanetary magnetic field observed around PSP perihelions, we
found that the measured solar wind velocity significantly improved the fitting effect of PFSS model. The source
surface setting at 2.0Rs and 2.5Rs gave similar magnetic polarity predictions, but the former simulated magnetic
field strength and variation better than the latter. The optimal value of source surface may be changing in different
Carrington Rotation and under the contrast with different observational data, which needs further profound study.
The interplanetary magnetic field intensity obtained based on HMI magnetogram is higher than that based on
GONG’s and the result is further improved with mesh density increasing. However, the performance of GONG
magnetogram is more stable under sparse grids. GONG synoptic maps has a temporal resolution of 1 hour or so,
which makes it possible to conduct more reliable magnetic field predictions by continuously updating the input,
but this method should be prudently applied to the zero point corrected products and it is better combined with
the evolution of velocity field. Combining the PSP’s velocity observation with those of other spacecrafts might
be able to implement that, and if a larger range of velocity field could be built, it could be used to optimize the
simulation of near-earth magnetic field.

In the basic PFSS model, the Bθ component is always zero outside the source surface. Although this may not
seem unreasonable because the measured magnetic field is relatively weak, it can be further improved by certain
methods. For example, the source surface can be set to a non-spherical or non-heliocentric shape. Potential field
can also be combined with local magnetic field modeling such as heliospheric current sheets, solar active regions,
and coronal mass ejections. In-situ observation of interplanetary space magnetic field can also provide constraints
for Parker spiral. MHD simulations, while providing more information about the longitudinal magnetic field, are
not reliable enough to predict the direction and magnitude, which can be similarly optimized. Moreover, although
measurement of the transverse magnetic field of solar photosphere are not that accurate at present, it might be
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helpful to include it as input data to the models as well.
The “open flux problem” is a long-standing but unsolved problem in the coronal and interplanetary magnetic

field modeling, which yield magnetic field lower than in-situ observations. Scaling results with a fixed coefficient
works well for PFSS models, but may not suitable for MHD models. The problem of underestimation may
stem from the inaccuracy of existing polar magnetic field measurements. We look forward to more precise polar
measurements by the Solar Orbiter mission, enabling the construction of more frequent and accurate synoptic
maps for model input. On the other hand, we will continue to optimize various magnetic field models, hoping that
through the improvement of both the model and observation, the “open flux problem” can finally be solved.
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ABSTRACT

By performing ideal magnetohydrodynamical (MHD) simulations with weak vertical magnetic fields

in unstratified cylindrical shearing boxes with modified boundary treatment, we investigate MHD tur-

bulence excited by magnetorotational instability. The cylindrical simulation exhibits extremely large

temporal variation in the magnetic activity compared to the simulation in a normal Cartesian shear-

ing box, although the time-averaged field strengths are comparable in the cylindrical and Cartesian

setups. Detailed analysis of the terms describing magnetic-energy evolution with “triangle diagrams”

surprisingly reveals that in the cylindrical simulation the compression of toroidal magnetic field is un-

expectedly as important as the winding due to differential rotation in amplifying magnetic fields and

triggering intermittent magnetic bursts, which are not seen in the Cartesian simulation. The impor-

tance of the compressible amplification is also true for a cylindrical simulation with tiny curvature; the

evolution of magnetic fields in the nearly Cartesian shearing box simulation is fundamentally different

from that in the exact Cartesian counterpart. The radial gradient of epicycle frequency, κ, which

cannot be considered in the normal Cartesian shearing box model, is the cause of this fundamental

difference. An additional consequence of the spatial variation of κ is continuous and ubiquitous for-

mation of narrow high(low)-density and weak(strong)-field localized structures; seeds of these ring-gap

structures are created by the compressible effect and subsequently amplified and maintained under the

marginally unstable condition regarding “viscous-type” instability.

Keywords: accretion disks — burst astrophysics — MHD — MHD simulations — protoplanetary disks

— turbulence

1. INTRODUCTION

The local shearing sheet/box model (Goldreich &

Lynden-Bell 1965; Narayan et al. 1987; Hawley et al.

1995; Latter & Papaloizou 2017) is a strong tool to

study various physical properties of differentially rotat-

ing systems. To date, local shearing box simulations

have been applied to a variety of astrophysical problems,

such as magnetohydrodynamical (MHD hereafter) tur-

bulence (e.g., Matsumoto & Tajima 1995; Stone et al.

1996; Kawazura et al. 2022) excited by magnetorota-

tional instability (MRI hereafter; Velikhov 1959; Chan-

drasekhar 1961; Balbus & Hawley 1991), dynamical and

thermal properties of protoplanetary disks (e.g., Kunz &

Lesur 2013; Mori et al. 2017; Pucci et al. 2021) and ac-

cretion disks around compact objects (e.g. Hirose et al.

2009; Dempsey et al. 2022), heating accretion disk coro-

nae (Io & Suzuki 2014; Bambic et al. 2023), driving disk

winds and outflows (Suzuki & Inutsuka 2009; Suzuki

et al. 2010; Bai & Stone 2013; Lesur et al. 2013; Fro-

mang et al. 2013), acceleration of non-thermal particles

(Hoshino 2015; Kimura et al. 2016; Bacchini et al. 2022),

and amplification of magnetic fields in compact objects

(Masada et al. 2012; Guilet et al. 2022).

One of the drawbacks in the normal Cartesian shear-

ing box model is that the positive radial direction is

not well defined because the symmetry with respect to

the ±x directions is assumed. As a result, the angular

momentum is not defined and the radial accretion flow

cannot be properly captured in the Cartesian shearing

system. Therefore, mass accretion rate cannot be di-

rectly measured in numerical simulations but is inferred

from the sum of Maxwell and Reynolds stresses. In ad-

dition, the basic physical properties of magnetic-field

amplification is considered to be qualitatively different

in linear shear flows in Cartesian coordinates and more

realistic differentially rotating flows in cylindrical coor-

dinates (Ebrahimi & Blackman 2016). Although these

problems are not inherent in global simulations (e.g.,

ar
X

iv
:2

30
5.

12
11

2v
1 

 [
as

tr
o-

ph
.H

E
] 

 2
0 

M
ay

 2
02

3

http://orcid.org/0000-0001-9734-9601


2 Suzuki

Armitage 1998; Machida et al. 2000; Flock et al. 2013;

Suzuki & Inutsuka 2014; Béthune et al. 2017; Takasao

et al. 2018; Zhu et al. 2020; Jacquemin-Ide et al. 2021),

their numerical cost is generally more expensive. Thus,

if one can construct a modified model that takes into

account global effects in the local approach by break-

ing the ±x symmetry, it will be an extremely efficient

tool to investigate differentially rotating systems more

appropriately.

To this end, there have been several attempts that try

to bridge the local and global concepts over the past few

decades (Brandenburg et al. 1996; Klahr & Bodenheimer

2003; Obergaulinger et al. 2009). Along the same lines,

Suzuki et al. (2019, S19 hereafter) developed a cylindri-

cal shearing box model by extending the normal Carte-

sian box model; they applied the conserved quantities of

mass, momentum, and magnetic field in cylindrical co-

ordinates to periodic shearing conditions at both radial

boundaries. They demonstrated that quasi-time-steady

inward mass accretion is induced by the angular momen-

tum flux that is outwardly transported by MRI-induced

turbulence.

However, S19 performed the only single case with a

thin vertical thickness of one scale height. In addi-

tion, the treatment for the radial shearing boundaries

was not satisfactory; in particular, the difference in the

amplitude and frequency of epicyclic perturbations be-

tween both ends was causing mismatched fluctuations

that travel across the radial boundaries. In this paper,

we modify the treatment for the radial boundary con-

dition and conduct cylindrical MHD simulations with

different ratios between the scale height, H0, and the

radial location, R0, in a larger vertical domain. We ex-

amine how the amplification of magnetic fields depends

on the curvature effect arising from different aspect ra-

tios, H0/R0, by comparing the results to those in the

exact Cartesian setup.

The structure of the paper is as follows. In Section 2,

we summarize the setup for our simulations in cylindri-

cal shearing boxes. The shearing radial boundary condi-

tion is modified from the original method in S19 by sep-

arating the shearing variables into the mean and pertur-

bation components, which is described in Appendix A.

Section 3 presents the main results of the simulations,

focusing on the transport among the different compo-

nents of magnetic fields. In Section 4 we first state the

importance of the radial gradient of epicycle frequency

in the time evolution of magnetic fields and discuss re-

lated topics; the detailed formulae for the linear pertur-

bation analyses on viscous-type instability is presented

in Appendix B. We summarize the paper in Section 5.

2. CYLINDRICAL SHEARING BOX SIMULATION

2.1. Basic setup

We solve ideal MHD equations in cylindrical coordi-

nates, (R,φ, z),

dρ

dt
+ ρ∇ · v = 0, (1)

ρ
dv

dt
= −∇

(
p+

B2

8π

)
+

(
B

4π
·∇
)
B − ρGM?

R2
R̂ (2)

∂B

∂t
=∇× (v ×B), (3)

and

∇ ·B = 0, (4)

where d
dt and ∂

∂t denote Lagrangian and Eulerian time

derivatives, respectively; ρ, p, v and B are density, gas

pressure, velocity, and magnetic field, G is the gravita-

tional constant, M? is the mass of a central star, and

the “hat” stands for a unit vector.

We assume locally isothermal gas with an equation of

state,

p = ρc2s , (5)

where cs is isothermal sound speed that depends only

on R and does not change with time. We employ the

following radial dependence of temperature (∝ c2s ),

c2s = c2s,0

(
R

R0

)−1

, (6)

where the subscript, 0, indicates that the value is eval-

uated at the reference radial location, R = R0.

In the numerical simulations, we solve, instead of v in

the rest frame, velocity, δv = v −RΩeqφ̂, or

(δvR, δvφ, δvz) = (vR, vφ −RΩeq, vz), (7)

if expressed in components, evaluated in the frame coro-

tating with the equilibrium rotation frequency, Ωeq. If

we ignore magnetic field and assume vR = vz = 0, the

radial component of equation (2) yields

−
v2
φ,eq

R
= −GM?

R2
− 1

ρ

∂p

∂R
(8)

under the equilibrium condition. Defining Ωeq ≡
vφ,eq/R, from the radial force balance equation (8) and

assuming the radial profile of density, ρ ∝ R−µ, we ob-

tain

Ωeq = ΩK

√
1− 2fK, (9)
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where ΩK =
√
GM?/R3 is the Keplerian rotation fre-

quency and

fK = −1

ρ

∂p

∂R

/
2RΩ2

K =
(1 + µ)c2s
2R2Ω2

K

(10)

is a sub-Keplerian parameter (Adachi et al. 1976, S19).

Equations (1) – (5) are solved with the second-order

Godunov + CMoCCT method (Sano et al. 1999; Evans

& Hawley 1988; Clarke 1996). The azimuthal advection

due to Ωeq (equation 7) is handled with the “FARGO

(Fast Advection in Rotating Gaseous Objects)”-type

algorithm (Masset 2000; Beńıtez-Llambay & Masset

2016), which is an improved treatment from S19 to

loosen the Courant-Friedrichs-Lewy condition (Courant

et al. 1928) for the time update. The vertical compo-

nent of the gravity is ignored so that the simulations are

performed in vertically unstratified boxes, and thus the

periodic boundary condition is applied to the z bound-

aries as well as the φ boundaries.

We use the same simulation units as in S19: the phys-

ical variables are normalized by the units of R0 = 1,

ρ0 = 1, and ΩK,0 = 1; the magnetic field is normalized

by R0ΩK,0

√
4πρ0, which cancels the

√
4π factor in the

cgs-Gauss units. In the following sections, we conven-

tionally define 2π/ΩK,0 as “one rotation time”, which is

slightly shorter than the actual time, 2π/Ωeq,0, it takes

for one rotation at R = R0 in the sub-Keplerian con-

dition. There are several conserved quantities to verify

the numerical treatment in the cylindrical shearing box;

see S19 for the details on the other numerical implemen-

tation.

2.2. Shearing radial boundary condition

The radial boundary condition we are adopting is an

extension of the shearing periodic condition in a local

Cartesian box (Hawley et al. 1995). The basic frame-
work of the shearing radial boundary condition in a local

cylindrical box is explained in S19. In short, conserved

quantities, instead of primitive variables, are utilized for

the boundary treatment by explicitly including the ef-

fect of geometrical curvature. An improvement from the

original prescription in S19 is that we separate the shear-

ing variables, S, composed from the conserved quanti-

ties, into mean and perturbation components,

S(R±, φ, z) = 〈S(R∓, φ± ∆Ωeqt, z)〉+ δS, (11)

where the subscripts, − and +, stand for the inner and

outer radial boundaries, ∆Ωeq = Ωeq,− − Ωeq,+(> 0),

〈· · · 〉 indicates the average over the φ− z plane, and

δS = S − 〈S〉 (12)

is the perturbation component (see also Section 2.5).

In the original treatment, S was directly passed to

the ghost cell outside the simulation box from the cor-

responding cells in the simulation domain. In this pre-

scription, however, as the properties of the disturbances

in general differ at the inner and outer boundaries, the

mismatched perturbations are exchanged across both

boundaries without any correction in an unphysical fash-

ion, which can be most clearly seen in the initial phase

of MRI (e.g., Fig. 1 of S19). In order to suppress such

contamination across the radial boundaries, in δS we in-

clude not only the perturbations from the corresponding

sheared cells but also the perturbations on the radially

adjacent cell inside the simulation domain. Addition-

ally, δS is rescaled in order that the root-mean-squared

(rms) amplitude,
√
δS2, in the ghost cells averaged over

the φ − z surface is matched to the surface averaged√
δS2 in the adjacent cells inside the simulation domain.

The detailed numerical implementation for the bound-

ary treatment is described in Appendix A.

2.3. Initial condition

We start the simulations with weak net vertical mag-

netic field. We adopt the same radial dependences of

the initial density and vertical field as those employed

in S19:

ρinit = ρinit,0

(
R

R0

)−1

(13)

and

Bz,init = Bz,0,init

(
R

R0

)−1

. (14)

Equations (6), (13), and (14) guarantee a constant initial

plasma β, and we set

βz,init =
8πρinitc

2
s

Bz,init
= 104. (15)

In order to trigger MRI, we add random velocity per-

turbations in vR and vφ to the equilibrium velocity dis-

tribution, (vR, vφ, vz) = (0, RΩeq, 0).

2.4. Simulation domain & resolution

The simulation domain is a local cylindrical region

that covers (R− ∼ R+, φ− ∼ φ+, z− ∼ z+). The az-

imuthal and vertical spacings, ∆φ and ∆z, of each grid

cell are constant. The radial grid size, ∆R, is propor-

tional to R.

We consider two cases with thin-disk conditions of

cs,0 = 0.1R0ΩK,0 and 0.01R0ΩK,0 at R = R0. We de-

fine the scale height, H0 = cs,0/ΩK,0, at R = R0. The

same box size per H0 is adopted in these two cases,

(LR, Lφ, Lz) = (R+ − R−, R0(φ+ − φ−), z+ − z−) =

(4H0,
5π
3 H0, 4H0), and (LR, Lφ, Lz) is resolved with grid
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points of (NR, Nφ, Nz) = (256, 320, 256) (see Table 1 for

the summary). We note that the vertical box size is four

times as large as that adopted in S19 to cover the suffi-

cient number of MRI channel-mode wavelengths in the

saturated state (see, e.g., Bodo et al. 2008; Johansen

et al. 2009; Shi et al. 2016, for discussion on the numer-

ical domain size in Cartesian simulations).

The numerical resolution = 64/H0 for the R and z

directions is the same as that in S19. It is ≈ 61/H0 in

the φ direction, which is slightly higher than ≈ 49/H0

in S19. For comparison, we also carry out a numerical

simulation in a local Cartesian box with the “same” box

size, (Lx, Ly, Lz) = (LR, Lφ, Lz), per H0 and the same

numerical resolution, (Nx, Ny, Nz) = (NR, Nφ, Nz) (Ta-

ble 1).

2.5. Spatial and temporal average

To analyze numerical data, we take various averages

of simulated quantities. We express 〈A〉 as the φ- and

z- integrated average of a variable, A, at R:

〈A〉 ≡

∫ z+
z−

∫ φ+

φ−
dφdzA∫ z+

z−

∫ φ+

φ−
dφdz

. (16)

We define

[A]R2

R1
=

∫ R2

R1
RdR〈A〉∫ R2

R1
RdR

(17)

as the volume-integrated average. For the average over

the entire simulation domain, we simply express

[A] ≡ [A]
R+

R−
. (18)

We write

A =

∫ t2
t1
dtA∫ t2

t1
dt

(19)

as the average over time between t1 and t2. In all the

simulated cases, the magnetic field grows to the satu-

rated state after t & 20 rotations. Thus, we take the

temporal average from t1 = 25 rotations to the end of

the simulation at t2 = tfinal = 300 rotations.

2.6. Evolution of magnetic energy

Taking the inner product of the induction equation

(3) with B/4π, we have the equation for the evolution

of magnetic energy:

∂

∂t

(
B2

8π

)
=
B

4π
·∇ × (v ×B). (20)

For numerical investigation, we rewrite equation (20) for

B2
R, B2

φ, and B2
z separately in a logarithmic derivative

form:

∂ lnB2
R

∂t
=

(
BR
4πR

∂

∂φ
(vRBφ − vφBR)

− BR
4π

∂

∂z
(vzBR − vRBz)

)(
B2
R

8π

)−1

≡ (φ⇒
φ
R) + (R⇒

φ
R) + (R⇒

z
R) + (z ⇒

z
R)

(21)

∂ lnB2
φ

∂t
=

(
Bφ
4π

∂

∂z
(vφBz − vzBφ)

− Bφ
4π

∂

∂R
(vRBφ − vφBR)

)(
B2
φ

8π

)−1

≡ (z ⇒
z
φ) + (φ⇒

z
φ) + (φ⇒

R
φ) + (R⇒

R
φ)

(22)

∂ lnB2
z

∂t
=

(
Bz

4πR

∂

∂R
(R(vzBR − vRBz))

− Bz
4πR

∂

∂φ
(vφBz − vzBφ)

)(
B2
z

8π

)−1

≡ (R⇒
R
z) + (z ⇒

R
z) + (z ⇒

φ
z) + (φ⇒

φ
z).

(23)

To examine in detail the evolution of magnetic field, we

analyze the (i⇒
k
j) terms on the right-hand side of equa-

tions (21) – (23) integrated over the simulation domain

(equations 17 and 18). We summarize the volume inte-

grated averages, [i⇒
k
j], in Table 2.

Similar numerical investigation on the induction equa-

tion has been done to understand dynamo-like magnetic

evolution (Brandenburg et al. 1995; Davis et al. 2010).

An essential extension from these works is that we sep-

arate the electromotive force, v ×B, into the shearing

and compressible parts (Section 3.2).

3. RESULTS

3.1. Time Evolution

We perform numerical simulations of the three cases

in Table 1 until t = 300 rotation time. Figure 1

presents three-dimensional (3D) snapshots of these cases

at t = 200 rotation time (Movies of the cylindrical case

with H0/R0 = 0.1 and the Cartesian case are available.).

The three panels illustrate that the magnetic field is tur-

bulent and dominated by the toroidal (φ) component

with a moderate level of density fluctuations. Table 3

shows various quantities regarding the time and volume

averaged magnetic field strength. While the three cases

give similar values, by a close look at the table, one

can recognize that the two cylindrical cases give slightly
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Model Simulation domain Resolution

Cylindrical box R− R+ LR φ− φ+ Lφ z− z+ Lz NR Nφ Nz

H0/R0 = 0.1 0.82R0 1.22R0 4H0 −π/12 π/12 (5π/3)H0 −0.2R0 0.2R0 4H0 256 320 256

H0/R0 = 0.01 0.980R0 1.020R0 4H0 −π/120 π/120 (5π/3)H0 −0.02R0 0.02R0 4H0 256 320 256

Cartesian box x− x+ Lx y− y+ Ly z− z+ Lz Nx Ny Nz

R0 ⇒∞ −2H0 2H0 4H0 −(5π/6)H0 (5π/6)H0 (5π/3)H0 −2H0 2H0 4H0 256 320 256

Table 1. Summary of the simulation domains and resolutions.

Figure 1. 3D views of magnetic field lines (black lines) and density contour (color) of the cylindrical simulations with H0/R0 =
0.1 (left) and 0.01 (middle) and the Cartesian simulation (right) at t = 200 rotations. Moviesb are available for the cylindrical
case with H0/R0 = 0.1 (0-10 rotations and 70-110 rotations) and the Cartesian case (0-30 rotations).

a Movies are available at https://ea.c.u-
tokyo.ac.jp/astro/Members/stakeru/research/movie/index.html

b Movies are available at https://ea.c.u-
tokyo.ac.jp/astro/Members/stakeru/research/movie/index.html
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Figure 2. Comparison of the time evolutions of [αM] aver-
aged over the simulation box for the cylindrical cases with
H0/R0 = 0.1 (red solid) and 0.01 (blue dotted) and the
Cartesian case (black dashed).

larger ratios of the poloidal (R and z) to toroidal mag-

netic fields (6th and 7th columns).

Figure 2 presents the time evolution of the domain-

averaged dimensionless Maxwell stress,

[αM] = − [BRBφ]

4π[p]
. (24)

The cylindrical case with H0/R0 = 0.1 (red solid)

exhibits very large temporal variability; [αM] reaches

nearly 0.3 in the active period between 80 . t . 105

rotations, while [αM] < 0.05 is considerably small in

the inactive phases. In contrast, the Cartesian case

(black dashed) gives a more time-steady evolution with

0.05 . [αM] . 0.1 for most of the simulation time. The

case with H0/R0 = 0.01 (blue dotted) shows intermedi-

ate behavior between these two cases. In spite of the dif-

ferent evolutionary properties, the time-averaged [αM]’s

of these three cases are similar (Table 3) because larger

[αM] in the active phases and smaller [αM] in the inactive

phases are obtained in higher-variability cases.
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Label Unabbreviated expression

[φ⇒φ R]
[
BR
4πR

∂
∂φ

(vRBφ)
]
/
[
B2
R

8π

]
∂ ln[B2

R]
∂t

[R⇒φ R] −
[
BR
4πR

∂
∂φ

(vφBR)
]
/
[
B2
R

8π

]
[R⇒z R] −

[
BR
4π

∂
∂z

(vzBR)
]
/
[
B2
R

8π

]
[z ⇒z R]

[
BR
4π

∂
∂z

(vRBz)
]
/
[
B2
R

8π

]
[z ⇒z φ]

[
Bφ
4π

∂
∂z

(vφBz)
]
/

[
B2
φ

8π

]
∂ ln[B2

φ]
∂t

[φ⇒z φ] −
[
Bφ
4π

∂
∂z

(vzBφ)
]
/

[
B2
φ

8π

]
[φ⇒

R
φ] −

[
Bφ
4π

∂
∂R

(vRBφ)
]
/

[
B2
φ

8π

]
[R⇒

R
φ]

[
Bφ
4π

∂
∂R

(vφBR)
]
/

[
B2
φ

8π

]
[R⇒

R
z]

[
Bz
4πR

∂
∂R

(RvzBR)
]
/
[
B2
z

8π

]
∂ ln[B2

z]
∂t

[z ⇒
R
z] −

[
Bz
4πR

∂
∂R

(RvRBz)
]
/
[
B2
z

8π

]
[z ⇒φ z] −

[
Bz
4πR

∂
∂φ

(vφBz)
]
/
[
B2
z

8π

]
[φ⇒φ z]

[
Bz
4πR

∂
∂φ

(vzBφ)
]
/
[
B2
z

8π

]
Table 2. Summary of the volume-integrated averages for
the evolution of magnetic energy. See equations (21) – (23)
for the detail.

3.2. Evolution of magnetic field

We have shown that the cylindrical simulations ex-

hibit considerably different temporal magnetic activity

from the Cartesian simulation. In order to understand

the difference, we examine the volume averaged varia-

tion rates of the magnetic energy (equations 21 – 23

and Table 2 in Section 2.6) of the cylindrical case with

H0/R0 = 0.1 and the Cartesian case in Figure 3. Al-

though some terms, e.g., [z ⇒z φ] and [R ⇒
R
φ] of the

cylindrical case and [x ⇒
x
z] and [y ⇒

y
z] in the Carte-

sian case, exhibit relatively large time variability, most

of the terms show rather time-steady behavior; at least

the sign of each term is almost unchanged during the

simulation time.

We illustrate all these [i⇒
k
j] terms averaged between

t = 25 and 300 rotations (equation (19)) in “triangle

diagrams” (Figure 4), where the result of the cylindri-

cal case with H0/R0 = 0.01 is also presented here. We

note that the sum of numerical values from all four ar-

rows entering each Bi is ≈ 0, which indicates that the

quasi-steady-state condition is well satisfied if we take

the temporal averages over sufficiently long time.

The variation rates of the two cylindrical cases are

similar to each other, but they are very different from

those in the Cartesian case (Figure 4). This indicates

that the physical properties of the magnetic evolution in

the local Cartesian box is fundamentally different even

from those in the nearly Cartesian box (H0/R0 = 0.01).

We speculate that this is because the Cartesian shearing

box approximation cannot consider the radial variation

of epicycle frequency (see Section 4.1). Additionally,

the magnitudes of the variation rates are systematically

larger in the cylindrical simulations. This is expected

to cause the larger temporal variability observed in the

cylindrical simulations (Figure 2).

We examine each [i⇒
k
j] term in more detail, particu-

larly focusing on the similarities and differences between

the cylindrical and Cartesian simulations. Let us begin

with the [i⇒
i
j] terms located on the sides of the tri-

angle, which stand for the transfer of magnetic fields

between different components of B; the physical mean-

ing is the growth or decay of magnetic fields by shearing

motion (left panel of Figure 5). Although the numerical

value of each shearing term is considerably different for

the cylindrical and Cartesian simulations, the signs are

the same. Thus, the physical properties on the shearing

amplification (and attenuation for the negative values)

of the magnetic fields are similar at least in a quali-

tative sense. Positive [z ⇒
z
R] and [R⇒

R
φ] reflect the

standard pathway triggered by MRI (e.g., Brandenburg

et al. 1995; Balbus & Hawley 1998); BR is generated

from Bz by the MRI, and eventually, Bφ is amplified

from the fluctuating BR by the winding due to the ra-

dial differential rotation (Figure 6).

[φ⇒
φ
R] is also positive because the transfer of an-

gular momentum from inner to outer rings causes the

inner (outer) ring to move inward (outward), which gen-

erates BR from Bφ (Figure 6). We would like to note

that [φ⇒
φ
R] (= +12.2 and +12.9) in the cylindrical

simulations are much larger than [y ⇒x x](= +0.468) in

the Cartesian simulation. The difference is probably be-

cause the angular momentum cannot be defined in the

Cartesian setup owing to the assumed symmetry with

respect to the ±x directions (See Section 1). The leak-
age from the dominate component of Bφ (By) to Bz
also gives positive [φ⇒

φ
z] ([y ⇒

φ
z]) with the similar ten-

dency concerning the difference between the cylindrical

and Cartesian cases.

Next, we inspect the compressible terms, [i⇒
j
i], which

correspond to the round arrows around each Bi in Fig-

ure 4. The physical meaning is the amplification (at-

tenuation) of magnetic field by convergent (divergent)

flows (right panel of Figure 5). One can see that the

signs of some [i⇒
j
i] terms are different in the cylindrical

and Cartesian simulations. Most remarkable difference

is found in the compressible amplification of Bφ along R;

[φ⇒
R
φ] in the cylindrical cases is quite large (= +6.42

for H0/R0 = 0.1 and +6.98 for H0/R0 = 0.01), which is

in contrast to negative [y ⇒
z
y](= −1.05) in the Cartesian

case. Surprisingly, the amplification rate by [φ⇒
R
φ] is



Magnetic bursts and substructures in MRI turbulence 7

Model [αM] [B2
R]/8π[p] [B2

φ]/8π[p] [B2
z ]/8π[p] [B2

R]/[B2
φ] [B2

z ]/[B2
φ]

H0/R0 = 0.1 6.22× 10−2 2.78× 10−2 1.11× 10−1 1.25× 10−2 0.250 0.112

H0/R0 = 0.01 5.60× 10−2 2.51× 10−2 1.00× 10−1 1.14× 10−2 0.250 0.113

Cartesian Box 7.16× 10−2 2.64× 10−2 1.29× 10−1 1.32× 10−2 0.204 0.102

Table 3. Various dimensionless magnetic quantities averaged over t = 25 − 300 rotations and the entire simulation domain.
The 2nd column shows Maxwell stress; the 3rd, 4th, and 5th columns present the radial, azimuthal and vertical components
of magnetic energy normalized by the gas pressure. The 6th and 7th columns show the ratio of the poloidal components of
magnetic energy to the azimuthal component of magnetic energy.
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Figure 3. Comparison of the volume-integrated averages of the variation rates in magnetic energy (equations 21 – 23 and
Table 2) of the cylindrical case with H0/R0 = 0.1 (left) and the Cartesian case (right). What are shown from top to bottom are
∂ ln[BR]2

∂t
(or ∂ ln[Bx]

2

∂t
),

∂ ln[Bφ]
2

∂t
(or

∂ ln[By ]
2

∂t
), and ∂ ln[Bz ]

2

∂t
in units of (rotation time)−1. Smoothing with spline interpolation is

applied to the plotted lines to display the long-time evolution.

slightly larger than that of [R⇒
R
φ], the winding term by

radial differential rotation. In other words, the contri-

bution from the compressible flows dominates that from

the shear flows in the amplification of Bφ in the realistic

cylindrical simulations, which is fundamentally different

from the result obtained from the Cartesian simulation.

We again infer that this is because of the radial varia-

tion of epicycle frequency, which cannot be considered

in the Cartesian setup.

[R⇒
φ
R] is also different between the cylindrical and

Cartesian simulations. Although [x⇒
y
x] is nearly 0

in the Cartesian simulation, [R⇒
φ
R] takes a relatively

large negative value in the cylindrical simulations, which

partially cancels positive [φ⇒
φ
R] due to the outward

transport of angular momentum, described above (Fig-

ure 6).

The signs of the compressible terms regarding Bz are

all opposite between the cylindrical and Cartesian simu-

lations, whereas the variation rates themselves are not so

large. The radial gradient of epicycle frequency is a key

for the positive [z ⇒
R
z] in the cylindrical simulations,

which will be discussed in Section 4.1.

3.3. Onset of enhanced magnetic activity

We investigate in detail the mechanism of the large

temporal magnetic variability (Figure 2) observed in the

cylindrical case with H0/R0 = 0.1 by utilizing [i⇒
k
j]

terms. In this subsection, we scrutinize the rising phase

of magnetic activity

Figure 7 shows the time evolution of [αM]1.05R0

0.95R0
(top

panel) and variation rates of the most dominate com-

ponent of the toroidal field, ∂ ln([B2
φ]1.05R0

0.95R0
)/∂t, (mid-

dle and bottom panels) during t = 65 − 97 rotation

time, which covers the rising and saturated phases of

the largest peak in [αM] (Figure 2). In this figure,

the volume integral is not taken in the entire domain

(= 0.82R0 − 1.22R0) but a narrower region between

R = 0.95R0 and 1.05R0 to focus on local magnetic ac-

tivity. As shown in the top panel, the maximum value of

[αM]1.05R0

0.95R0
= 0.340 is moderately larger than the max-

imum, [αM] = 0.275, averaged over the whole domain,

because the former is more sensitively affected by local

variations.

The middle panel of Figure 7 compares the varia-

tion rates of B2
φ due to the radial compression, [φ ⇒
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(Legend)
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R0 ⇒ ∞ (Cartesian Box)

+4.11
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−0
.5
28

+
1.
21

+
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−
1.54

−1.05

−1.52−1.82

+0.141

−1.29 +1.00
Bz

Bx By

Figure 4. Relation among the three components of magnetic field. The top-left triangle illustrates the physical quantities
describing each arrow. The top-right, bottom-left, and bottom-right triangles show the results of the cylindrical cases with
H0/R0 = 0.1 and 0.01, and the Cartesian case, respectively. The numerical values indicate the rate of the change of magnetic

energy,
〈
d ln[B2

i ]

dt

〉
, per rotation time (See Table 2). The positive (negative) rates with ≥(≤) 1 (−1) are shown by red solid (blue

dashed) arrows. We note that the sum of the values on the arrows entering each Bi is = 0 when the time-steady condition is
achieved.

R
φ]1.05R0

0.95R0
(red solid) and the winding by radial shear,

[R ⇒
R

φ]1.05R0

0.95R0
(blue dotted). While the radial shear

term greatly fluctuates from negative to positive values

with time, the compressible term takes positive values

in a more stable manner. In particular, the compressible

amplification plays an indispensable role in the growth

of B2
φ in the rising phase of the magnetic activity when

the radial shear term is negative during 80 . t . 84

rotations.

The bottom panel of Figure 7 shows the sum of the

compressible terms,
{

[φ⇒z φ] + [φ⇒
R
φ]
}1.05R0

0.95R0

, (red

solid) and the shearing terms,
{

[z ⇒
z
φ] + [R⇒

R
φ]
}1.05R0

0.95R0

,

(black dashed). As shown in Figures 3 & 4, the vertical

compression term, [φ ⇒
z
φ], is negative, and thus, the

variation rate by the total compression is reduced from

that by the only radial term (red line in the middle

panel). However, the effect of the total compression

(red line in the bottom panel) still keeps positive in the

initial rising phase of t . 83 rotation time; the compress-

ible amplification plays an essential role in triggering

the bursty magnetic enhancement. This is substantially

different from the situation of the Cartesian simulation,
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Bi

vj

i

j
(i ⇒

i
j): ∂i(vjBi) ⇒ Bj

Bi

vj

i

j
(i ⇒

j
i): ∂j(vjBi) ⇒ Bi

Figure 5. Left: The shearing term, [i ⇒i j], stands for the
generation (or decay) of Bj from Bi by the i derivative of
vj . Right: The compressible term, [i ⇒j i], represents the
convergent amplification (or divergent disperse) of Bi by the
j derivative of vj .

in which both [y ⇒x y] and [y ⇒z y] are always negative,

namely the compressible terms work as the decay of B2
y

by divergent diffusion.

After t & 83 rotations, the total compressible effect is

negative as the increased magnetic pressure countervails

the compressible amplification. After that, the shearing

terms take on the role of the magnetic amplification to

the first peak at t ≈ 85 rotations.

3.4. Termination of magnetic activity

Next, we focus on the declining phase of the same

active phase discussed in Section 3.3. The top panel

of Figure 8 presents the three components of mag-

netic energy averaged over the same narrow region with

R = 0.95R0 − 1.05R0, adopted for Figure 7. In or-

der to see relative enhancements, each [B2
i ] is normal-

ized by the time-averaged [B2
i ]. One can recognize that

[B2
z ]/[B2

z ] (red dashed line) reaches the highest peaks at

t ≈ 90.8 and 105.4 rotations among the three compo-

nents just before the drops of the magnetic energy. The

B

R

ϕ
(R ⇒

R
ϕ): ∂R(vϕBR) ⇒ Bϕ

(ϕ ⇒
ϕ
R):

∂ϕ(vRBϕ) ⇒ BR

Figure 6. An example for the amplification of a magnetic
field by shearing terms. The magnetic field is distributed
with −BRBφ > 0, which is the usual situation in the system
with inner-fast differential rotation. Bφ increases by radial
differential rotation of vφ, which is represented by (R ⇒

R
φ)

(blue). BR increases by the inward (outward) motion of the
inner (outer) region as a result of the outward transport of
angular momentum, which is represented by (φ⇒φ R) (red).

times for these z-component peaks occur slightly later

than those for the R and φ components. Moreover, in

the subsequent declining period, [B2
z ]/[B2

z ] is larger than

[B2
R]/[B2

R] (black dotted line) and [B2
φ]/[B2

φ] (blue solid

line). In light of these properties on the time evolu-

tion, we speculate that the magnetically active states are

turned off when the magnetic energy being exchanged

between the R and φ components rapidly leaks to the z

component.

In order to verify this speculation, we inspect the

transfer rate, [φ ⇒
φ
z]1.05R0

0.95R0
, from B2

φ to B2
z in the bot-

tom panel of Figure 8. It monotonically increases in the

rising phase of t ≤ 90 rotations as [B2
φ] increases, and it

stays at a high level, which is about double of the time-

averaged rate, slightly after the time with the maximum

[B2
φ]. Even in the descending phase, the transfer rate is

maintained at a level comparable to the time-averaged

rate, which further reduces [B2
φ]. A qualitatively simi-

lar tendency is seen before and after the later peak at

t ≈ 105 rotations, although it is not so obvious as for

the highest peak because the field strength at the later

peak is smaller. We can conclude that the enhanced

leakage of the magnetic energy on the R − φ plane to

the z component terminates the high magnetic activity.

4. DISCUSSION

4.1. Radial dependence of epicycle frequency

A significant difference of the cylindrical approach

from the Cartesian one is the presence of the radial vari-
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Figure 7. Time evolution of Maxwell stress (top) and variation rates of [B2
φ] (middle and bottom) averaged over R = 0.95R0 ∼

1.05R0 in the rising and saturated phases of the most active phase in the cylindrical simulation with H0/R0 = 0.1. The
middle panel compares the radial compression (red solid) and shear (blue dotted) terms. The bottom panel presents the total
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Figure 8. Time evolution of magnetic energy (top) and the variation rate of B2
z by shearing from φ to z (bottom) averaged

over R = 0.95R0 ∼ 1.05R0 in the declining phase of the same active phase shown in Figure 7. What are shown in the top panel
are the three components of [B2

i ] with i = R (black dotted), φ (blue solid), and z (red dashed), normalized by the respective

time-averaged values, [B2
i ], during t = 25− 300 rotations. [B2

i ]/[B2
i ] = 1 is plotted by the black thin solid line. In the bottom

panel, the time average, [φ⇒φ z]
1.05R0

0.95R0
= +9.77, is also plotted by the black dotted line.
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Figure 9. Radial distance (horizontal) vs. time (vertical)
diagram for radial displacements by epicycle oscillations for
H0/R0 = 0.1.

ation in epicycle frequency. For the equilibrium rotation

profile, equation (9), the epicycle frequency is written as

κ =

√
R
∂Ω2

∂R
+ 4Ω2 = Ωeq = ΩK

√
1− 2fK, (25)

where we used fK = H2/R2 = H2
0/R

2
0 = const. (equa-

tion 10), which practically satisfied in our simulations.

While in the Cartesian box obviously κ is spatially con-

stant, in the cylindrical box κ is radially dependent,

κ ∝ R−3/2,

Figure 9 demonstrates radial displacements, ξR =

ξ0 sin(κt), arising from epicycle oscillations in the case

with H0/R0 = 0.1, giving Ωeq = 0.99ΩK, where the ar-

bitrary amplitude is set to be ξ0 = 0.01R0. The figure

clearly illustrates that the displacements in the neigh-

boring radial locations gradually become out of phase

with time because ∂κ
∂R 6= 0. Consequently, the phase

mixing induces converging and diverging regions by the

radial component of the oscillations, which inevitably

contributes to the compressible amplification and diffu-

sion of magnetic field.

Let us suppose a simple situation in which toroidal (or

vertical) magnetic field with constant strength, Bφ,init

(or Bz,init), is initially distributed (left of Figure 10). If

we pick out the radial compression term from equation

(22), the corresponding term of the induction equation

is
∂Bφ
∂t

= · · · − ∂

∂R
(vRBφ) + · · · . (26)

This is essentially the continuity equation for Bφ,

whereas the geometrical curvature term, 1
R

∂
∂R (R · · · ),

is omitted if it is compared to the mass continuity equa-

R

uniform Binit

R

ϕ or z
[B] = [Binit], [B

2] = 2[B2
init]

Figure 10. Conceptual cartoon for the role of the com-
pressible term in the amplification of Bφ (or Bz) (red lines).
The initial uniform field (left picture) is amplified in con-
verging flows (shaded regions of right picture) and diluted
in diverging flows (white regions of right picture) by the ra-
dial component of epicycle oscillations. The magnetic energy
∝ [B2

φ] in the right picture is double of the initial value, while
the magnetic field strength = [Bφ] is conserved (see text).

tion (1). Therefore, Bφ is compressed (rarefied) in the

converging (diverging) regions (right of Figure 10). If

we compare the left and right pictures of Figure 10, the

volume integrated field strength is conserved because

the number of the field lines does not change. On the

other hand, the magnetic energy becomes double as the

regions with strong field, 2Bφ,init, occupy 50% of the vol-

ume (the shaded regions in the right picture of Figure

10) so that [B2
φ] = [2B2

φ,init]× 0.5 = 2[B2
φ,init].

The consideration based on this simple model indi-

cates that the radial compression term should systemat-

ically increase B2
φ, which does not occur in the Cartesian

setup with the spatially constant κ. Although the evo-

lution of the magnetic field is more complex in realistic

situations as discussed in Section 3, this simple mech-

anism is expected to work in the nonlinear saturated

states, and therefore, the radial compression, [φ⇒
R
φ],

takes the relatively large positive values in the cylindri-

cal simulations, which is in clear contrast to the nega-

tive [y ⇒
x
y] in the Cartesian simulation (Figure 4). The

same argument can be applied to the vertical magnetic

field. Indeed, Figure 4 shows the radial compression of

Bz, [z ⇒
R
z], is positive in the cylindrical cases, which

is also in contrast to the negative corresponding term,

[z ⇒x z], in the Cartesian case.

The abovementioned argument indicates that the

presence of ∂κ
∂R 6= 0 significantly changes the funda-

mental properties of the amplification of magnetic fields.

This is the reason why the nearly Cartesian simulation

with H0/R0 = 0.01 gives the very different conversion

rates of [i ⇒
k
j] from the exact Cartesian case but the

similar values to the moderately cylindrical case with
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H0/R0 = 0.1 as shown in the triangle diagrams of Fig-

ure 4.

The next question one might ask would be regard-

ing the timescale for the onset of the compressible am-

plification. When the oscillatory phases are deviated

between the radially “neighboring” regions each other

by π, the compressible amplification works most effec-

tively as shown in Figure 10. We can estimate the time,

t = τcomp, to reach the phase difference of ∆φκ = π from

the uniform oscillation at t = 0 via ∆κ0t = ∆φκ, where

the deviation of κ0 is derived from ∆κ = |
(
∂κ
∂R

)
0
|∆R0

by using the radial spacing between the neighboring re-

gions, ∆R0. Since |
(
∂κ
∂R

)
0
| = 3Ωeq,0

2R , we have

τcomp =
20π

3

(
H0/R0

0.1

)−1(
∆φκ
π

)(
∆R

H0

)−1

=
10

3

(
H0/R0

0.1

)−1(
∆φκ
π

)(
∆R

H0

)−1

[rotations]

(27)

where the radial spacing is normalized by H0 for a

typical scale of the system. This equation shows that

the epicycle oscillation becomes completely out of phase

(∆φκ = π) at radial spacing of ∆R = H0 when τcomp ≈
3 rotations for the cylindrical case with H0/R0 = 0.1.

For H0/R0 = 0.01, longer τcomp ≈ 30 rotations are re-

quired. However, we would like to note that the estimate

based on equation (27) is rather conservative because

the effect of the radial compression is regarded to be al-

ready effective well before the phase difference reaches

π. Thus, even in this nearly Cartesian case, the com-

pressible amplification is already working at t ≈ 10 rota-

tion time, which is comparable to the timescale for the

transition from the initial linear stage to the nonlinear

saturated phase (Figure 2).

Another characteristic feature expected from equation

(27) is that, as time goes on, the compressible amplifi-

cation is going to work for smaller ∆R; smaller-scale lo-

calized magnetic concentrations can be formed at later

times. In order to capture these fine-scale structures, nu-

merical simulations require sufficiently high resolution.

Thus, the saturation level and time-variability of mag-

netic field may depend on numerical resolution, which

will be addressed in our future work.

Global simulations should automatically take the ef-

fect of ∂κ
∂R 6= 0 into account. Therefore, if one applied

the same analyses on the magnetic evolution in Section

3.2 to global simulation data, the similar result regard-

ing the importance of the compressible effect should be

obtained, although such an attempt has not been tried

within our knowledge. However, here, numerical resolu-

tion would matter as discussed above.

4.2. Substructures and viscous-type instability

Figure 10 implies that converging and diverging re-

gions move with time. In the nonlinear stage, oscilla-

tory motions are excited randomly by turbulence and

those at different radial positions undergo phase shift

each other. Hence, it is expected that the locations of

converging regions change with time in a more or less

stochastic manner. These randomly excited compressed

regions could be seeds of substructures by connecting to

various types of instability (e.g., Suriano et al. 2019; Cui

& Bai 2021, see Lesur et al. (2022) for recent review).

Figure 11 shows a two-dimensional (2D) r − φ slice

of density, ρ/ρ0 (left), “magnetization”, B2
z/4πp (mid-

dle), defined as the inverse of βz (c.f., equation 15), and

Maxwell stress, αM (right) on z = 0 at t = 82.4 rotation

time, which is in the onset phase of the high magnetic

activity analyzed in Section 3.3 (see Figures 2 & 7). One

can recognize stripe structures with anti-correlated den-

sity and magnetic field; low-density and strong-magnetic

field regions are sandwiched between denser and weaker-

field regions with typical spacing of a fraction of H0.

These rings and gaps are ubiquitously and continuously

formed as shown in the movie file. Such ring-and-gap

structures are already seen in early global unstratified

ideal MHD simulations (Steinacker & Papaloizou 2002)

and discussed from a viewpoint of viscous-type instabil-

ity (Lightman & Eardley 1974) generalized by including

the physical properties of the MRI (Hawley 2001).

One of the key ingredients of the viscous-type insta-

bility in the MHD framework is magnetic diffusion. Al-

though the resistivity is in principle zero under the ideal

MHD approximation, numerical simulations inevitably

undergo numerical diffusion. From a physical point of

view, reconnections of turbulent magnetic fields would

also provide effective magnetic diffusion and dissipation
even when the ideal MHD condition is satisfied (Lazar-

ian & Vishniac 1999; Lazarian et al. 2020). We carry out

linear perturbation analyses for viscous-type instability

with explicitly taking into account resistivity in the in-

duction equation (3). We basically follow the formula-

tion introduced by Riols & Lesur (2019), but restrict our

analyses to the case without the mass loss and angular

momentum removal by MHD disk winds. An important

modification from the original setting in Riols & Lesur

(2019) is that dimensionless viscosity, αν , is assumed to

depend separately on density and magnetic field:

αν ∝
(
ρ0

ρ

)qρ ( B2
z

B2
z,0

)qB
, (28)

where we can practically assume αν ≈ αM to interpret

our simulation results. We apply plane-wave expansions

to the linearized equations of mass continuity (equation
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Figure 11. Face-on view of dimensionless density (ρ/ρ0; left), magnetization with respect of Bz (B2
z/4πp; middle), and

dimensionless Maxwell stress (αM; right) on the midplane (z = 0) at t = 82.4 rotations. Velocity fields are also shown by arrows.
We note that the velocity vectors are directed along the perturbation component, (δvR, δvφ) = (vR, vφ − RΩeq) (equation 7).
Movie during t = 70− 110 rotations is available.

Angular
Momentumδvϕ > 0

δvR > 0

δvϕ < 0

δvR < 0
δρ > 0

δ(ραν) < 0

Figure 12. Physical picture of the viscous-type instability.
See text for the detailed explanation.

1), radial and angular momenta (equation 2), and ver-

tical magnetic field (equation 3) with resistivity. We

finally obtain the criterion for the presence of an unsta-

ble mode is

qρ > 1, (29)

where the detailed derivation is presented in Appendix

B.

We note that in Riols & Lesur (2019) αν is as-

sumed to depend on magnetization, B2
z/4πρc

2
s , namely

q = qB = qρ is imposed, and they derived the insta-

bility condition as q > 1. The relation between time-

and volume-averaged αM and B2
z/4πρc

2
s have been ex-

tensively examined with Cartesian shearing box simula-

tions (Salvesen et al. 2016; Scepi et al. 2018) and global

simulations (Mishra et al. 2020). There is a rough con-

sensus of q ≈ 0.5− 0.7, which does not satisfy the insta-

bility condition in Riols & Lesur (2019). On the other

hand, our analyses in Appendix B shows that qB does

not qualitatively affect the stability criterion but only

quantitatively controls the growth (or decay) rate.

Figure 12 illustrates the physical picture of the insta-

bility. Let us suppose a situation in which a higher-

density, δρ > 0, region (shaded area) is created by ran-

dom perturbations. If δ(ραν) < 0 there, the outward

transport of the angular momentum is suppressed in

this denser ring (red arrows). As a result, at the inner

(outer) edge of the ring the angular momentum increases

(decreases) to give δvφ > (<) 0 (black arrows), which

causes the inner (outer) edge to move outward (inward),

δvR > (<) 0 (blue arrows). Hence, the density of the

denser ring further increases. If we pick out the depen-
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Figure 13. Scatter plots of dimensionless Maxwell stress, αM, against B2
z/4πρc

2
s (left), (ρ/ρ0)−1 (middle), and B2

z/4π (right)
at t = 82.4 rotations. The data are taken from the 2D plots in Figure 11. The slope of y ∝ x is overlaid in the left and middle
panels by the red solid line, and y ∝ x0.5 is in the left panel by the blue dashed line.

dence on density1 in equation (28) and take the Taylor

expansion, δ(ραν) ≈ (1− qρ)αν,0δρ. Therefore, the con-

dition for the instability, δ(ραν) < 0, corresponds to

qρ > 1 (equation 29).

Figure 13 shows scatter plots between αM (vertical

axis) and various quantities (horizontal axis) of each

grid point displayed in Figure 11. In the left panel,

the correlation with magnetization is shown. The de-

pendence is roughly consistent with the slope derived in

the abovementioned previous works, whereas the plots

are largely scattered, reflecting the scatter in B2
z (right

panel), because the data are not averaged over time or

domain. The middle panel, which shows the dependence

on the inverse of density, exhibits relatively tighter cor-

relation particularly in the larger-αM and lower-density

(upper right) side. Moreover, the slope is slightly steeper

than qρ = 1 and is in the unstable regime (equation

29). We examined scatter plots for ρ-αM in other time

frames and found that qρ & 1 is kept in most of the

time. Therefore, we can interpret that the substructures

seen in our simulations (Figure 11) are amplified with

a secular timescale (see Appendix B for the derivation)

and maintained in the cylindrical disk that are in the

marginally unstable condition regarding the generalized

viscous-type instability.

1 In the ideal MHD condition, the dependence on Bz should also
be considered here as ρ and Bz behave “in phase” each other.
However, the inclusion of resistivity breaks this constraint and it
is justified to focus only on the dependence on ρ; see Appendix
B for the detailed algebra.

4.3. Intermittency

Cartesian shearing box simulations for MRI often

show quasi periodicities with t ∼ 10 rotation time (Davis

et al. 2010; Gressel 2010; Guan & Gammie 2011), which

is related to the recurrent growth and breakup of large-

scale channel-mode flows (Gogichaishvili et al. 2018).

While quasi-periodic magnetic activity is more clearly

seen in vertically stratified simulations, being frequently

associated with mass outflows (e.g., Suzuki & Inutsuka

2009; Suzuki et al. 2010; Wissing et al. 2022), similar

periodicity is also observed in unstratified simulations

(Sano & Inutsuka 2001; Shi et al. 2016). Our Cartesian

case is also showing mild time variation in [αM] (black

dashed line in Figure 2).

On the other hand, the duration ∼ 50 rotations be-

tween high-magnetic-activity phases seen in the cylin-

drical case with H0/R0 = 0.1 (red solid line in Fig-

ure 2) is considerably longer than the typical period ∼
10 rotations described above. We speculate that this

weak periodicity is at least partially controlled by the

compressible effect arising from the radial variation of κ

(Section 4.1). Utilizing equation (27), we estimate the

time to reach the phase difference, ∆φκ = 2π, between

neighboring radial regions as a possible source of the

periodicity. One of the plausible choices for the radial

spacing, ∆R, could be the width of a ring (or a gap).

If we adopt ∆R ≈ 0.2R0, referring to Figure 11, we ob-

tain t ≈ 33 rotation time, which is roughly consistent

with the observed cycle of the enhanced magnetic ac-
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tivity, although this argument does not exclude other

possibilities.

4.4. Accretion structure in active and inactive phases

We compare the radial dependences of various phys-

ical quantities during magnetically active and inactive

phases in Figure 14. In order to see the difference be-

tween the active and inactive periods, we take the tem-

poral averages for [αM] < 0.13 (left) and [αM] > 0.13

(right). The inactive (active) phase occupies 246.2

(28.8) rotations out of the total time-averaged duration

of 275(= 300− 25) rotations.

The top panels of Figure 14 compare the radial pro-

files of angular momentum fluxes, following S19. When

the time-steady condition is satisfied, an equation for

angular momentum integrated over the φ-z plane is

∂

∂R

[
R2

(
〈ρvR〉RΩeq + 〈ρvRδvφ〉 −

〈BRBφ〉
4π

)]
= 0,

(30)

where the first (blue dashed), second (red dotted), and

third (black solid) terms indicate the angular momen-

tum carried by the mean accretion flow, the turbulent

Reynolds stress, and the Maxwell stress, respectively.

As shown in the top left panel, the steady accretion

structure is well realized in the inactive phase; the in-

ward angular momentum flux by the accretion flow is

balanced with the outward flux by the Maxwell stress

with a small contribution from the Reynolds stress. On

the other hand, in the active phase (top right panel)

the steady accretion structure is broken because the in-

creased magnetic pressure pushes gas inward (outward)

from the inner (outer) boundary.

The middle panels of Figure 14 show each component

of the rms magnetic field strength,

√
〈B2

i 〉, in compar-

ison to the initial Bz,init. The left panel indicates that

the vertical magnetic field strength,

√
〈B2

z 〉, averaged

over the inactive periods increases about 10 times from

the initial value with almost keeping the initial profile,

∝ R−1. The radial and azimuthal field strengths are

larger (Table 3) but the radial dependences are simi-

lar to that of the z component. In the active phase

(middle right panel), while the field strength is larger

as expected, the radial dependence of each component

and the ratios between different components are not so

different from those in the inactive phases.

In the bottom panel of Figure 14, density and the

inverse of plasma β,

〈β〉
−1

=
〈B2〉
8π〈ρ〉

, (31)

are presented. The density structure is moderately al-

tered from the initial condition, R−1, as it is affected

by temporal zonal flows; the density in the inner region

slightly decreases, while it increases in the outer region.

As a result, 〈β〉
−1

exhibits a weak radial dependence,

which can be more easily seen in the active phase.

4.5. Boundary effect

The radial distributions averaged over the active

phases show sharply pointed and discontinuous profiles

in B2 (middle right panel of Figure 14) and ρ (bottom

right panel) near the inner and outer boundaries because

the steady accretion structure is not achieved (top right

panel). This implies that the evolution of magnetic en-

ergy discussed in Section 3.2 may suffer the treatment

of the radial boundaries during the active phases. To in-

spect the boundary effect, we compare all [i⇒
k
j] terms

of the case with H0/R0 = 0.1 (0.01) in a smaller ra-

dial region between R = 0.90R0 (0.990R0) and 1.11R0

(1.010R0) avoiding the boundary effect to those aver-

aged over the entire simulation domain shown in Figure

4.

Two winding terms, [R⇒
R
φ] and [z ⇒

z
φ], in the case

with H0/R0 = 0.1 are slightly affected; specifically, the

averages in the narrow region are [R⇒
R
φ] = 4.12 and

[z ⇒
z
φ] = −4.41, which are both reduced by ≈ 20%

from the domain-averaged values. On the other hand,

the modifications in the other winding terms and all the

compressible terms are less than 5%. In the case with

H0/R0 = 0.01, the modifications of all the terms are

less than 5%, because the magnetic activity is relatively

weak so that the unphysical boundary effect is almost

ignorable. In summary, we can conclude that the effect

regarding the boundary treatment is limited and then

the discussion based on the numerical results so far is

unaffected.

5. SUMMARY

Continuing from S19, we studied fundamental MHD

properties of accretion disks by cylindrical shearing box

simulations. We modified the treatment for the radial

boundary condition from the original prescription in

S19. The key improvement is to separate the bound-

ary variables into the mean and perturbation compo-

nents and the amplitude of the latter is adjusted to

match the fluctuations at both boundaries (Section 2.2

and Appendix A). This modified prescription enables us

to reduce unmatched fluctuations traveling across the

boundaries.

The radial gradient of epicycle frequency, κ, causes

the phase mixing of random oscillatory motions. As a

result, the radial compression is significant in amplifying
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Figure 14. Comparison of time-averaged radial profiles of various physical quantities of the case with H0/R0 = 0.1 in the
inactive (left) and active (right) periods. The top panels show angular momentum fluxes carried by Maxwell stress (black
solid), Reynolds stress (red dotted), and mean accretion flow (blue dashed). The middle panels compare rms BR (magenta
dash-dotted), Bφ (blue dashed), and Bz (black solid). The initial vertical field strength, Bz,init, is multiplied by a factor of 10
(red dotted), in order to compare to the field strength in the saturated state. The bottom panels show density (black solid)
in comparison to the initial distribution (red dotted) and the inverse of plasma β = 8πp/B2 (blue dashed). We note that the
vertical scales of the top and middle panels are different for the left and right panels. See Section 2.1 for the physical units on
the vertical axes.

the azimuthal and vertical magnetic fields (Section 4.1).

This is an important finding in this paper by inspect-

ing the spatial derivative terms on the right-hand-side of

the equations for magnetic energy. In contrast, the com-

pressible effect works as diverging dilution of the mag-

netic energy in the Cartesian box simulation because of

the absence of the radial variation of κ (Section 3.2).

The compressible amplification plays a significant role

in enhanced bursty magnetic activity, which is more

clearly seen in the case with larger H0/R0 (Section 3.1).

This is expected from the argument on the timescale of

the phase shift due to the non-uniform distribution of

κ (Section 4.1). We also speculate that the phase-shift

timescale is related to the weak periodicity in the inter-

mittent magnetic bursts (Section 4.3).

The compressible amplification is also expected to cre-

ate seeds of small-scale substructures. Indeed, there

are narrow ring-gap structures continuously and ubiqui-

tously formed in the simulations. These structures show

the anti-correlation between density and magnetic field

strength; in particular, the steep dependence of Maxwell

stress on density, αM ∝ ρ−qρ , with qρ & 1 is obtained

(Section 4.2). We revisited the viscous-type instabil-

ity by considering the dependence of αM separately on

density and vertical magnetic field, and found that the

instability condition is qρ > 1 (Appendix B). Thus, we

interpreted that the ring-gap structures are maintained

in the simulated disks that are under marginally unsta-

ble conditions.

In this paper, as we focused on the effects of the disk

curvature, H0/R0, we did not conduct simulations with

different initial vertical field strengths, box sizes, or nu-

merical resolutions. However, the dependences on these

parameters are obviously important, which will be ad-

dressed in our future papers.
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R−,g R−,d

R+,d R+,g

R−

R+

Figure 15. Shearing boundary condition in a local cylindrical box. The simulation domain, which is enclosed by the solid
black line, is between R = R− and R+. R−,d (R+,d) is the radial location of the innermost (outermost) cells in the simulation
domain, which are illustrated by gray shade. R−,g (R+,g) is the radial location of the inner (outer) ghost cells. The physical
quantities of the ghost cell at R = R±,g (red) are determined from those of the corresponding sheared cells at R = R∓,d (blue)
and the radially adjacent cell(s) at R = R±,d (green). See text for the detail.

A key physics in our work is the radial gradient of κ; its

nonlinear outcomes are time-variability, intermittency,

and localized substructures observed in the simulations.

This problem can be framed as nonlinear processes in

a system where the eigen-mode frequency varies spa-

tially. When the physical quantities are non-uniformly

distributed, as being found in various astrophysical sys-

tems, such as interstellar medium in star-forming regions

and the interior, atmosphere and magnetosphere of stars

and compact objects, eigen-mode frequencies of various

oscillatory modes are also expected to be spatially de-

pendent. This study could have potential applications

in such systems, which is one of the future directions.
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APPENDIX

A. MODIFIED SHEARING RADIAL BOUNDARY CONDITION

We describe the specific method to implement the shearing boundary condition, equation (11). As we stated in

Section 2.2, the modification from the original prescription in S19 is that the shearing variables are separated into the

mean values and perturbations (equation 12). We rewrite equation (11) in a more precise way to distinguish ghost

(“g”) and domain (“d”) cells (Figure 15):

S(R±,g, φ) = 〈S(R∓,d, φ− (Ωeq,±,g − Ωeq,∓,d)t)〉+ δS

≈ 〈S(R∓,d, φ+ ∆Ωeqt)〉+ δS, (A1)

where we omitted “z” in the arguments as it is redundant and can be understood without it. We employ the standard

periodic boundary condition for the mean components, 〈S〉: the shearing variables averaged over the innermost

(outermost) φ-z plane inside the simulation domain (gray shaded regions in Figure 15) are passed to the outer (inner)

ghost cells outside the domain (regions surrounded by the dashed lines in Figure 15).

On the other hand, for the perturbation components, δS, in a ghost cell at R±,g(red in Figure 15), we consider the

contribution from not only the corresponding sheared cells at R∓,d (blue) but also the adjacent cells at R±,d (green).
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Figure 16. 3D snapshot of the case with βz.init = 103 and the vertical box size, Lz = H, at t = 3.20 rotation. Movie between
0 and 10 rotations is available.

Specifically, we adopt the following parameterization:

δS(R±,g, φ) = famp,± [fshKδS(R∓,d, φ− (Ωeq,±,g − Ωeq,∓,d)t) + (1− fsh)δS(R±,d, φ− (Ωeq,±,g − Ωeq,±,d)t)] (A2)

≈ famp,± [fshKδS(R∓,d, φ+ ∆Ωeqt) + (1− fsh)δS(R±,d, φ)] , (A3)

where famp,±(≈ 1) is a parameter that controls the amplitude of δS, fsh determines the fractional contributions from

the sheared position at the opposite side of the R domain (blue in Figure 15), and

K =

√
〈δS2(R±,d, φ− (Ωeq,±,g − Ωeq,±,d)t)〉
〈δS2(R∓,d, φ− (Ωeq,±,g − Ωeq,∓,d)t)〉

≈

√
〈δS2(R±,d, φ)〉

〈δS2(R∓,d, φ± ∆Ωeqt)〉
. (A4)

Since in general the relative azimuthal position between the ghost and domain cells, which changes with time, is not an

exact integer multiple of the azimuthal size of the fixed grid cell, δS’s in the first and second terms on the right-hand

side of equation (A2) need to be interpolated from two grid cells. However, as we ignore the tiny difference between

Ωeq,±,d and Ωeq,±,g and use equation (A3) in the numerical implementation, δS in the second term is taken from the

adjacent grid cell in the R direction.

We note that fsh = 1 recovers the original treatment of S19, and fsh = 0 corresponds to the “non-gradient” boundary

condition for δS. Throughout the current paper, we adopt fsh = 0.5, namely the fluctuations at both the shearing

location and the neighboring position are equally mixed. We also note that, when famp,± = 1, the correction by

this K ensures that the rms amplitude averaged over the ghost cells on R = R±,g matches that averaged over the

neighboring cells at R = R±,d:
√
δS2(R±,g, φ) =

√
δS2(R±,d, φ). MRI grows from earlier times at smaller R. Without

this amplitude correction, it can be easily seen that fluctuations in the inner regions leak out of R = R− and seeps

from R = R+ to the quiet outer region in the initial growth phase, as exhibited in Figure 1 of S19. Figure 16 shows

the initial growing stage of MRI with the amplitude correction by equation (A4). The simulation setup is the same as

in S19: βz,init = 103 and the vertical domain size, Lz = H, is smaller than that adopt in the present paper. The figure

is demonstrating that the contamination of the inner fluctuations passed to the outer boundary, R = R+, is greatly

suppressed, compared to that found in S192.

famp,± is tuned to realize the steady accretion structure as shown in the top left panel of Figure 14. Larger famp,±
yields larger perturbations in the ghost zone at R = R±,g, which results in larger effective turbulent pressure there.

Therefore, larger famp,+ (famp,−) tends to induce inward (outward) flows. We are adopting famp,+ = 1.02 and

famp,− = 0.93 for the cylindrical case with H0/R0 = 0.1 and famp,+ = 0.94 and famp,− = 0.93 for H0/R0 = 0.01. A

2 As the FARGO advection scheme adopted in this paper suffers
from less numerical diffusion than the normal advection scheme
used in S19, MRI sets in from slightly earlier time. Thus, we are
showing the snapshot at t = 3.20 rotations, which is earlier than
t = 3.45 and 4.00 rotations presented in S19.
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different choice of famp,± disturbs the balanced accretion profile. However, we note that the time-averaged magnetic

profiles are not significantly affected, provided that famp,± ≈ 1 is employed.

B. LINEAR PERTURBATION ANALYSES FOR VISCOUS-TYPE INSTABILITY

We conduct linear perturbation analyses on the 2D r − φ plane under the axisymmetric approximation. In the

momentum equation (2), we do not explicitly include magnetic fields but consider them through α prescription (Shakura

& Sunyaev 1973). Then, the radial and angular momentum equations can be written as

∂

∂t
(ρwR) = 2ρΩKwφ −

∂

∂R
(ρc2s ) + ρ

w2
φ

R
(B5)

and
∂

∂t
(ρwφR) +

1

R

∂

∂R
(R2ρc2sαν) +

1

2
ρΩKwRR = 0 (B6)

in Eulerian forms, where (wR, wφ) = (vR, vφ − RΩK) is the velocity deviation from Keplerian rotation and αν is

dimensionless viscosity, equation (28). We note that, in equation (B5), the inward gravity, −ρGMR2 , and the centrifugal

force, ρRΩ2
K, should be present but they are exactly canceled out each other. We adopt the radial profiles of c2s ∝ R−1

(equation 6), ρ ∝ R−1, (equation 13) and αν ∝ R1/2 (S19) to match our simulation setting. Then, from the unperturbed

state (∂t = 0) of equations (B5) and (B6), we obtain

wφ = RΩK(
√

1− fK − 1) ∝ R− 1
2 , (B7)

which is consistent with equation (9), and

wR(= vR) = −ανc
2
s

RΩK
= −ανH

2ΩK

R
∝ R0. (B8)

αν is assumed to depend separately on ρ and Bz (equation 28), and thus, we have

αν ≈ αν,0
(
R

R0

) 1
2
(

1− qρ
δρ

ρ0
+ 2qB

δBz
Bz,0

)
≡ α′ν,0

(
1− qρ

δρ

ρ0
+ 2qB

δBz
Bz,0

)
. (B9)

Here, density is calculated from the continuity equation (1) and vertical magnetic field from the induction equation

(3) with resistivity, η, explicitly included:

∂Bz
∂t

=
1

R

∂

∂R

[
R

(
−wRBz + η

∂Bz
∂R

)]
, (B10)

where we assumed vz = 0. We also adopt the α prescription for η with the same dependence on ρ and Bz,

η = αη
c2s
ΩK

= αηH
2ΩK = η0

(
R

R0

)(
1− qρ

δρ

ρ0
+ 2qB

δBz
Bz,0

)
. (B11)

We note that η ∝ R ensures that equation (B10) has an unperturbed-state solution of Bz ∝ R−1, which is consistent

with equation (14) (see also S19).

We expand ρ, wR, wφ, and Bz with the radial dependences that match our simulation setting:

ρ = (ρ0 + δρ)

(
R

R0

)−1

≡ ρ′0 + δρ′, (B12)

wR = wR,0 + δwR ≡ w′R,0 + δw′R, (B13)

wφ = (wφ,0 + δwφ)

(
R

R0

)− 1
2

≡ w′φ,0 + δw′φ, (B14)

Bz = (Bz,0 + δBz)

(
R

R0

)−1

≡ B′z,0 + δB′z. (B15)
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We apply these expansions to equations (1), (B5), (B6), and (B10) and further apply plane-wave expansion,

δ ∝ exp(iωt− ikR), (B16)

to the first-order variables. Then, the corresponding four equations are

i(ω − kw′R,0)δρ′ − ikρ′0δw′R = 0, (B17)

iωρ′0δw
′
R − 2ρ′0

[
ΩK +

w′φ,0
R

]
δw′φ +

[
iωw′R.0 − 2ΩKw

′
φ,0 − c2s

(
2

R
+ ik

)
−
w′φ,0

2

R

]
δρ′ = 0, (B18)

iωρ′0δw
′
φ +

1

2
ΩKρ

′
0δw

′
R +

[
iωw′φ,0 +

1

2
ΩKw

′
R,0 + c2sα

′
ν(1− qρ)

(
1

2R
− ik

)]
δρ′ + c2sα

′
ν

ρ′0
B′z,0

(
1

R
− 2ik

)
qBδB

′
z = 0,

(B19)

and (
iω − ikw′R,0 + η0k

2 + ikη0(1− 2qB)
1

R

)
δB′z − ikB′z,0δw′R + ikη0qρ

1

R

B′z,0
ρ′0

δρ′ = 0. (B20)

From equations (B17) - (B20), we can derive a fourth-order equation with respect to ω. Here, we ignore the solutions

of ω2 ≈ Ω2
K + k2c2s describing sound waves in shearing systems, and focus on secular modes by assuming ω2 � Ω2

K.

In addition, we also assume H/R� 1 and ignore the terms ∝ 1/R, 1/R2, · · · arising from the curvature of cylindrical

coordinates. Then, we finally obtain

ω2(1 + k2H2)− ω
[
(kwR + ik2η)(1 + k2H2) + 2i(1− qρ + 2qB)k2H2ΩKαν

]
+ 2ΩKανk

2H2
[
(1− qρ + 2qB)ikwR − (1− qρ)k2η

]
= 0, (B21)

where we omitted the subscripts, 0, and the superscripts, ′, because we ignored the R-dependent terms. Substituting

equations (B8) and (B11) into equation (B21), we can derive

ω =
k2H2ΩKαν
2(1 + k2H2)

i{2(1− qρ + 2qB) +
1 + k2H2

Pm

}
±

√
−
{

2(1− qρ + 2qB) +
1 + k2H2

Pm

}2

+ 8(1− qρ)
1 + k2H2

Pm

 ,
(B22)

where

Pm ≡ αν
αη

(B23)

is the magnetic Prandtl number and we once again disregarded the terms ∝ 1/R that originally involved wR. As

shown in Figure 13, qρ ≈ 1, and then, in the square-root of equation (B22) the first term should dominate the second

term. Thus, we take the Taylor expansion of the square-root term. Recalling the form of the plane-wave expansion

(equation B16), one can find a growing mode, if it is present, only for the negative sign of equation (B22). The growth

rate can be calculated as

s = iω =
2(qρ − 1)k2H2

2(1− qρ + 2qB)Pm + 1 + k2H2
ΩKαν =

2(qρ − 1) k2H2

1+k2H2 ΩKαν Pm� 1
(qρ−1)

(1−qρ+2qB)k
2H2ΩKαη Pm� 1

. (B24)

This result shows that the growth (or decay) rate is determined by the slower process of viscous or resistive diffusion;

it is an order of ΩKαν for Pm � 1 and ΩKαη for Pm � 1. In the former case, an unstable mode is present if

qρ > 1 (equation 29), and the growth rate does not depends on qB . In the latter case, although it depends on qB , the

instability condition is again qρ > 1 because (1− qρ + 2qB) > 0 is probably satisfied in usual situations (Figure 13).
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Low state in the post-nova V1315 Aql
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Abstract

Using Asteroid Terrestrial-impact Last Alert System (ATLAS) and Zwicky Transient Facility (ZTF) data,
I found that the SW Sex star V1315 Aql entered a low state early in 2023. As far as I know, this is the
first such an event since the discovery of this object with observations dating back to 1948. This object is
renowned for its nova shell and the nova explosion was estimated to occur 500–1200 yr ago, although no direct
detection of a nova eruption was present in the historical record. The present low state probably occurred as
the mass-transfer rate from the nova-irradiated secondary decreased secularly. The present low state would
provide an opportunity to study the secondary in detail, which has been hampered by the luminous accretion
disk in the past. I also provide the recent light curve of the classical nova LV Vul, which now shows high and
low states 50 yr after the nova eruption.

V1315 Aql was initially discovered as a variable star (=SVS 8130) by Metik (1961). During a search for
ultraviolet-excess objects, Downes et al. (1986) detected this object (KPD 1911+1212) and identified it to be an
eclipsing cataclysmic variable. Its spectrum was that of a high-excitation old nova0 (this term was used slightly
differently from the modern meaning), and unusually singly peaked emission lines despite its high inclination
and the unusual behavior of the emission lines against the orbital phase already attracted attention. Downes
et al. (1986) classified V1315 Aql to be a member of high-excitation (all eclipsing) old novae, including SW Sex,
LX Ser, DQ Her, RW Tri and V363 Aur as a group. These unusual emission lines have been studied by many
authors (Szkody 1987; Szkody and Piche 1990; Dhillon et al. 1991; Smith et al. 1993; Dhillon and Rutten 1995;
Hellier 1996). This object played an important role in establishing the concept of SW Sex stars (Thorstensen
et al. 1991; Hellier 1996).

This object received attention again by the discovery of a nova shell (Sahman et al. 2015, 2018). Using the
expansion velocity, Sahman et al. (2018) suggested that the nova eruption occurred 500–1200 yr ago. Sahman
et al. (2018) could not find a corresponding “guest star” in old Chinese and Asian records compiled by Stephenson
(1976). Schaefer (2019) could not find evidence for a nova eruption in archival plates starting from 1889.

While inspecting of Asteroid Terrestrial-impact Last Alert System (ATLAS: Tonry et al. 2018) forced pho-
tometry (Shingles et al. 2021) and Zwicky Transient Facility (ZTF: Masci et al. 2019)1 data, I noticed that this
object entered a low state starting from early 2023 (vsnet-alert 27760)2. As far as I know, this is the first such
an event since the discovery of this object.

The typical high-state light curve (2016–2019) is shown in figure 1. The object gradually faded and entered
a low state starting from 2023 (figure 2). Hellier (2000) suggested that SW Sex behavior is caused by episodes of
very high mass transfer, which are balanced by VY Scl low states (i.e. to adjust to the long-term mass transfer
by angular momentum loss from the binary). In the case of V1315 Aql, the origin of very high mass transfer in
its high state appears to be the result of a nova explosion. The present low state would provide an opportunity
to study the secondary (such as the chemical composition) in detail, which has been hampered by the luminous
accretion disk in the past.

Several classical novae (not necessarily SW Sex stars) have been known to show low states recently. They
are summarized in table 1. For CP Lac see vsnet-alert 236213, which was originally detected by Gaia.4 The
2020–2022 low state of DK Lac was detected in the ZTF data. The light curve of LV Vul from the ZTF data is
shown in figure 3. In addition to them, there are also more candidates:

• IV Cep (1971): highly variable in the ZTF data. More than 1 mag fading in 2018 December–2019 April,
2020 June–August, 2021 September–? (ending not recorded due to the seasonal gap) and 2022 August–
September.

• V400 Per (1974): likely low state in early 2022; only three positive ZTF observations.

1The ZTF data can be obtained from IRSA <https://irsa.ipac.caltech.edu/Missions/ztf.html> using the inter-
face <https://irsa.ipac.caltech.edu/docs/program_interface/ztf_api.html> or using a wrapper of the above IRSA API
<https://github.com/MickaelRigault/ztfquery>.

2
<http://ooruri.kusastro.kyoto-u.ac.jp/mailarchive/vsnet-alert/27760>.

3D. Denisenko <http://ooruri.kusastro.kyoto-u.ac.jp/mailarchive/vsnet-alert/23621>.
4
<http://gsaweb.ast.cam.ac.uk/alerts/alert/Gaia19elx/>.

http://arxiv.org/abs/2305.12104v1
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Figure 1: Light curve of V1315 Aql in 2016–2019. The object was in high state. Eclipses with depths of 1–2 mag
were also present.
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Figure 2: Light curve of V1315 Aql in 2020–2023. The symbols are the same as in figure 1. The object is in now
low state in 2023 (fourth panel). The bottoms of eclipses in the low state were probably too faint to detect by
ATLAS.
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Figure 3: Light curve of LV Vul in 2018–2022. Low state (third panel) and high state (fourth panel); transition
between these state in other panels.
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Table 1: Classical novae with low states.

Object Eruption Low states References
CP Lac 1936 2019–2020 vsnet-alert 23621
DK Lac 1950 2000–2001, 2020–2022 Henden et al. (2001)
HR Lyr 1919 2010 (shallow) Honeycutt et al. (2014)
LV Vul 1968 2018, 2020, 2022 this work

V1315 Aql before 1889 2022 this work

Acknowledgements

This work was supported by JSPS KAKENHI Grant Number 21K03616. I am grateful to Naoto Kojiguchi for
helping downloading ZTF data.

This work has made use of data from the Asteroid Terrestrial-impact Last Alert System (ATLAS) project.
The ATLAS project is primarily funded to search for near earth asteroids through NASA grants NN12AR55G,
80NSSC18K0284, and 80NSSC18K1575; byproducts of the NEO search include images and catalogs from the
survey area. This work was partially funded by Kepler/K2 grant J1944/80NSSC19K0112 and HST GO-15889,
and STFC grants ST/T000198/1 and ST/S006109/1. The ATLAS science products have been made possible
through the contributions of the University of Hawaii Institute for Astronomy, the Queen’s University Belfast,
the Space Telescope Science Institute, the South African Astronomical Observatory, and The Millennium Institute
of Astrophysics (MAS), Chile.

Based on observations obtained with the Samuel Oschin 48-inch Telescope at the Palomar Observatory as
part of the Zwicky Transient Facility project. ZTF is supported by the National Science Foundation under Grant
No. AST-1440341 and a collaboration including Caltech, IPAC, the Weizmann Institute for Science, the Oskar
Klein Center at Stockholm University, the University of Maryland, the University of Washington, Deutsches
Elektronen-Synchrotron and Humboldt University, Los Alamos National Laboratories, the TANGO Consortium
of Taiwan, the University of Wisconsin at Milwaukee, and Lawrence Berkeley National Laboratories. Operations
are conducted by COO, IPAC, and UW.

The ztfquery code was funded by the European Research Council (ERC) under the European Union’s Horizon
2020 research and innovation programme (grant agreement n◦759194 – USNAC, PI: Rigault).

List of objects in this paper

V1315 Aql, V363 Aur, IV Cep, DQ Her, CP Lac, DK Lac, HR Lyr, V400 Per, VY Scl, LX Ser, SW Sex, LV Vul,
KPD 1911+1212, SVS 8130

References

We provide two forms of the references section (for ADS and as published) so that the references can be easily
incorporated into ADS.

References (for ADS)

Dhillon, V. S., Marsh, T. R., & Jones, D. H. P. 1991, MNRAS, 252, 342
(https://doi.org/10.1093/mnras/252.3.342)

Dhillon, V. S., & Rutten, R. G. M. 1995, MNRAS, 277, 777 (arXiv:astro-ph/9506111)

Downes, R. A., Mateo, M., Szkody, P., Jenner, D. C., & Margon, B. 1986, ApJ, 301, 240
(https://doi.org/10.1086/163893)

Hellier, C. 1996, ApJ, 471, 949 (https://doi.org/10.1086/178021)



6

Hellier, C. 2000, New Astron. Rev., 44, 131 (arXiv:astro-ph/9906089)

Henden, A., Freeland, E., & Honeycutt, K. 2001, IAU Circ., 7777, 3

Honeycutt, R. K., Shears, J., Kafka, S., Robertson, J. W., & Henden, A. A. 2014, AJ, 147, 105
(https://doi.org/10.1088/0004-6256/147/5/105)

Masci, F.-J., et al. 2019, PASP, 131, 018003 (arXiv:1902.01872)

Metik, L. P. 1961, Perem. Zvezdy, 13, 364

Sahman, D. I., Dhillon, V. S., Knigge, C., & Marsh, T. R. 2015, MNRAS, 451, 2863 (arXiv:1505.06048)

Sahman, D. I., Dhillon, V. S., Littlefair, S. P., & Hallinan, G. 2018, MNRAS, 477, 4483 (arXiv:1804.05596)

Schaefer, B. E. 2019, Astron. Telegram, 12474, 1

Shingles, L., et al. 2021, Transient Name Server AstroNote, 7, 1

Smith, R. C., Fiddik, R. J., Hawkins, N. A., & Catalán, M. S. 1993, MNRAS, 264, 619
(https://doi.org/10.1093/mnras/264.3.619)

Stephenson, F. R. 1976, QJRAS, 17, 121

Szkody, P. 1987, AJ, 94, 1055 (https://doi.org/10.1086/114540)

Szkody, P., & Piche, F. 1990, ApJ, 361, 235 (https://doi.org/10.1086/169188)

Thorstensen, J. R., Ringwald, F. A., Wade, R. A., Schmidt, G. D., & Norsworthy, J. E. 1991, AJ, 102, 272
(https://doi.org/10.1086/115874)

Tonry, J. L., et al. 2018, PASP, 130, 064505 (arXiv:1802.00879)

References (as published)

Dhillon, V. S., Marsh, T. R., & Jones, D. H. P. (1991) A spectrophotometric study of the eclipsing nova-like
variable V1315 Aquilae. MNRAS 252, 342

Dhillon, V. S., & Rutten, R. G. M. (1995) Spectropolarimetry of the nova-like variable V1315 Aquilae. MNRAS

277, 777

Downes, R. A., Mateo, M., Szkody, P., Jenner, D. C., & Margon, B. (1986) Discovery of a new short-period,
eclipsing cataclysmic variable. ApJ 301, 240

Hellier, C. (1996) V1315 Aquilae and the nature of SW Sextantis stars. ApJ 471, 949

Hellier, C. (2000) The SW Sextantis stars. New Astron. Rev. 44, 131

Henden, A., Freeland, E., & Honeycutt, K. (2001) DK Lacertae. IAU Circ. 7777, 3

Honeycutt, R. K., Shears, J., Kafka, S., Robertson, J. W., & Henden, A. A. (2014) The 1991–2012 light curve of
the old nova HR Lyrae. AJ 147, 105

Masci, F.-J. et al. (2019) The Zwicky Transient Facility: Data processing, products, and archive. PASP 131,
018003

Metik, L. P. (1961) Seven new variable stars in the region of Aquilae and SA 87. Perem. Zvezdy 13, 364

Sahman, D. I., Dhillon, V. S., Knigge, C., & Marsh, T. R. (2015) Searching for nova shells around cataclysmic
variables. MNRAS 451, 2863

Sahman, D. I., Dhillon, V. S., Littlefair, S. P., & Hallinan, G. (2018) Discovery of an old nova shell surrounding
the cataclysmic variable V1315 Aql. MNRAS 477, 4483



7

Schaefer, B. E. (2019) V1315 Aql and IPHASX J210204.7+471015 did not have their ‘predicted’ nova eruptions
from 1889–1954. Astron. Telegram 12474, 1

Shingles, L. et al. (2021) Release of the ATLAS Forced Photometry server for public use. Transient Name Server

AstroNote 7, 1

Smith, R. C., Fiddik, R. J., Hawkins, N. A., & Catalán, M. S. (1993) Evidence for nonaxisymmetric absorption
in V1315 Aquilae. MNRAS 264, 619

Stephenson, F. R. (1976) Revised catalogue of pre-telescopic galactic novae and supernovae. QJRAS 17, 121

Szkody, P. (1987) Time-resolved IUE studies of cataclysmic variables. I – eclipsing systems IP Peg, PG 1030+590,
and V1315 Aql. AJ 94, 1055

Szkody, P., & Piche, F. (1990) The phase 0.5 absorption in V1315 Aquilae, SW Sextantis, and DW Ursae Majoris.
ApJ 361, 235

Thorstensen, J. R., Ringwald, F. A., Wade, R. A., Schmidt, G. D., & Norsworthy, J. E. (1991) PG 0027+260 –
an example of a class of cataclysmic binaries with mysterious, but consistent, behavior. AJ 102, 272

Tonry, J. L. et al. (2018) ATLAS: A High-cadence All-sky Survey System. PASP 130, 064505



Draft version May 23, 2023
Typeset using LATEX default style in AASTeX631

Primordial or Secondary? Testing models of debris disk gas with ALMA∗
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ABSTRACT

The origin and evolution of gas in debris disks is still not well understood. Secondary gas production

from cometary material or a primordial origin have been proposed. So far, observations have mostly

concentrated on CO, with only few C observations available. We create an overview of the C and CO

content of debris disk gas and use it test state-of-the-art models. We use new and archival ALMA

observations of CO and C I emission, complemented by C II data from Herschel, for a sample of 14

debris disks. This expands the number of disks with ALMA measurements of both CO and C I by

ten disks. We present new detections of C I emission towards three disks: HD 21997, HD 121191

and HD 121617. We use a simple disk model to derive gas masses and column densities. We find

that current state-of-the-art models of secondary gas production overpredict the C0 content of debris

disk gas. This does not rule out a secondary origin, but might indicate that the models require an

additional C removal process. Alternatively, the gas might be produced in transient events rather than

a steady-state collisional cascade. We also test a primordial gas origin by comparing our results to a

simplified thermo-chemical model. This yields promising results, but more detailed work is required

before a conclusion can be reached. Our work demonstrates that the combination of C and CO data

is a powerful tool to advance our understanding of debris disk gas.

Keywords: Debris disks (363) — Circumstellar gas (238) — Chemical abundances (224) — Submil-

limeter astronomy (1647) — Aperture synthesis (53) — Radiative transfer (1335)
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1. INTRODUCTION

The extrasolar analogues of the solar system’s asteroid and Kuiper belts are known as debris disks. The study of

debris disks yields important insights into the formation and evolution of planetary systems (e.g. Wyatt 2008; Hughes

et al. 2018). It is believed that debris disks derive their dust from the continuous collisional grinding of asteroidal or

cometary bodies (planetesimals). However, it has now become clear that some debris disks also harbour detectable

amounts of gas. In particular, sensitive observations of CO emission with the Atacama Large Millimeter/submillimeter

Array (ALMA) greatly increased the number of known gaseous debris disks (e.g. Lieman-Sifry et al. 2016; Moór et al.

2017). Today, more than 20 debris disks with gas are known. So far, gas has been mostly found around young (age

.50 Myr) A-type stars, but debris disks with gas also exist around much older (e.g. the 1–2 Gyr old η Corvi, Marino

et al. 2017) and cooler (e.g. the M-type star TWA 7, Matrà et al. 2019a) stars. The presence of gas in debris disks might

have important implications. For example, the gas might affect the dust dynamics and therefore our interpretation

of continuum or scattered light observations (e.g. Takeuchi & Artymowicz 2001; Thébault & Augereau 2005; Krivov

et al. 2009; Lyra & Kuchner 2013; Lin & Chiang 2019; Marino et al. 2022; Olofsson et al. 2022). However, the origin

and evolution of the gas is still poorly understood.

The photodissociation timescale of a CO molecule exposed to the interstellar radiation field (ISRF) is only about

120 years (Visser et al. 2009). Thus, unless CO is shielded, it needs to be replenished continuously from a mechanism

that liberates CO (or CO2) from the ice phase, for example by collisions of comets (e.g. Moór et al. 2011; Zuckerman &

Song 2012) or photodesorption (e.g. Grigorieva et al. 2007; Öberg et al. 2009). Such mechanisms would be considered

a secondary gas origin. Gas production from comets can readily explain disks with low CO masses (MCO . 10−5 M⊕)

where the CO production rate required to replenish CO is in reasonable agreement with comet destruction rates

estimated from continuum observations. Examples include the disks around β Pic (Dent et al. 2014; Matrà et al.

2017a), HD 181327 (Marino et al. 2016) and Fomalhaut (Matrà et al. 2017b). Secondary gas allows us to indirectly

study the chemical composition of the solids from which the gas is derived (e.g. Matrà et al. 2017b, 2018b).

However, a number of debris disks around young A-stars host significantly higher CO masses (MCO & 10−3 M⊕,

hereafter ‘CO-rich disks’). Examples include the disks around HD 21997 (Kóspál et al. 2013), 49 Ceti and HD 32297

(e.g. Moór et al. 2019). While CO self-shielding prolongs the CO lifetime in these systems, it is still much shorter than

the age of the system (Kóspál et al. 2013), again suggesting that CO production is needed. But the large CO masses of

CO-rich disks require a steady-state CO production rate that greatly exceeds what can be expected from a reasonable

comet population (Moór et al. 2011; Kóspál et al. 2013; Kral et al. 2017). Instead, it was proposed that these disks

host primordial gas, that is, gas leftover from the protoplanetary phase. Compared to secondary gas, primordial gas

would have a much lower metallicity, meaning there would be abundant H2 that could shield CO. Nakatani et al.

(2021) proposed that inefficient photo-evaporation of protoplanetary disks around A-stars could prolong the lifetime

of protoplanetary gas sufficiently to produce CO-rich debris disks. The primordial scenario would have important

implications for gas disk dispersal mechanism and thus giant planet formation, because the typical ages of CO-rich

disks (tens of Myr) significantly exceed the canonical lifetime of a protoplanetary disk as estimated from infrared

excess studies (.10 Myr, e.g. Ribas et al. 2014).

On the other hand, a different class of models attempts to apply the secondary gas scenario even to the CO-rich

debris disks (Kral et al. 2019; Moór et al. 2019). Here, another shielding agent comes into play: neutral carbon (C0),

which is continuously produced through CO photo-dissociation. Once a sufficient amount of C0 is present, the CO

destruction rate drops significantly. The reduced destruction rate allows a large CO mass to accumulate without the

need for unrealistically high CO production rates. Marino et al. (2020) used this model to produce a population

synthesis of gaseous debris disks. They found generally favorable agreement with the observations, although the

data available to test models were limited, especially in terms of C I observations. If the gas in CO-rich disks is

indeed secondary, it could have important consequences for planet formation. Indeed, Kral et al. (2020a) showed that

terrestrial planets embedded in a disk of secondary gas can accrete this high metallicity gas, thereby altering their

atmospheric composition. Eventually, this scenario might be tested by detecting C bearing species and determining

their abundances in exoplanetary atmospheres (e.g. Rustamkulov et al. 2023).

Clearly, observations of C I are needed to clarify its role as shielding agent. In addition, C I data can help to

better understand the chemistry of debris disk gas (Higuchi et al. 2017). In particular, it is unclear how efficiently

C produced from CO photo-dissociation can reform CO. There is therefore a strong motivation to study the atomic

carbon component of debris disks gas. But observations have so far mostly focussed on CO because it is easier to

observe. In this paper, we present new ALMA observations of C I emission. Combined with archival observations of
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CO, C I and C II, we study the C and CO content of a sample of 14 debris disks with the aim to constrain current

models. Our paper is structured as follows. In section 2 we describe the observations and data reduction. In section 3

we describe how the data were analysed. Section 4 presents the methodology used to derive disk-integrated C and CO

masses and column densities. We present our results in section 5. In section 6 we discuss our results by comparing to

models of secondary gas production as well as a thermo-chemical model. We summarise our results in section 7.

2. OBSERVATIONS

2.1. Disk sample

The goal of the present study is to get an overview of the C and CO gas in debris disks. Therefore, our sample

includes any disks listed in the “Debris” category of the Catalog of Circumstellar Disks1 that had observations of the

C I 3P1–3P0 line and at least one CO line in the ALMA archive as of September 2021. We used the ALminer software

to query the ALMA archive. We identified 14 disks meeting our criteria. Among these, ten disks have no previously

published ALMA observations of C I. Table 1 gives an overview of our sample and lists the stellar and disk parameters.

For each disk, we define an inner radius rin and an outer radius rout based on a dust or gas model presented in the

literature, as indicated in the last row of Table 1. If the literature model is a Gaussian ring (HD 121191, HD 121617,

HD 32297, HD 181327, HD 48370), we set rin = r0 − FWHM/2 and rout = r0 + FWHM/2, where r0 is the center of

the Gaussian and FWHM is its full width at half maximum. For the disk models of 49 Ceti by Hughes et al. (2017)

and HD 110058 by Hales et al. (2022), no outer radius is defined. Thus, we adopt the radius where the model surface

density profile is at 50% of the peak value as rout. The same procedure is employed for HD 61005. While the power

law disk model by MacGregor et al. (2018) for HD 61005 does specify an outer cutoff radius (at 188 au), the power law

index is very steep, meaning that our adopted rout = 86 au better represents the location of the bulk disk material.

In all other cases, rin and rout are adopted directly from the literature. Where necessary, rin and rout (as well as the

stellar luminosity) were scaled to take into account updated distance measurements.

1 https://www.circumstellardisks.org, accessed September 2021

https://www.circumstellardisks.org
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á
r

et
a
l.

(2
0
1
6
),

(2
4
)

M
o
o
r

(i
n

p
re

p
.)

,
(2

5
)

D
es

id
er

a
et

a
l.

(2
0
1
1
),

(2
6
)

M
a
cG

re
g
o
r

et
a
l.

(2
0
1
8
),

(2
7
)

H
o
u
k

&
C

ow
le

y
(1

9
7
5
),

(2
8
)

M
o
ó
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Besides CO and C I observations by ALMA, we also used C II 2P3/2–2P1/2 observations from Herschel/PACS where

available. Table 2 provides an overview of the emission line data we used for each disk. Note the following data sets

available in the ALMA archive that we ignored. For C I toward HD 121191, we found that when combining the ALMA

data of program 2019.1.01175.S with the ACA data of program 2018.1.00633.S, the SNR of the disk-integrated flux

worsens. Thus, we ignored the noisier ACA data. For 12CO 3–2 toward HD 181327, we ignored data from program

2013.1.00025.S that had a total integration time of only 60 s. For 12CO 2–1 toward HD 61005, we follow Olofsson et al.

(2016) and only use the data acquired on March 20, 2014 for which the amount of water vapor in the atmosphere was

smallest.

Table 2. Overview of the data analysed in this study.

star emission line flux flux reference observation ID

[10−20 W/m2]

(1) (2) (3) (4) (5)

49 Ceti C I 3P1–3P0 25.1 ± 1.6 1
13C I 3P1–3P0 2.1 ± 0.5 a 2

C II 2P3/2–2P1/2 370 ± 80 3
12CO 2–1 2.8 ± 0.3 2016.2.00200.S, 2018.1.01222.S
12CO 3–2 7.4 ± 0.6 b 4, 5
13CO 2–1 0.92 ± 0.10 2016.2.00200.S, 2018.1.01222.S

C18O 2–1 0.069 ± 0.014 2016.2.00200.S, 2018.1.01222.S

β Pictoris C I 3P1–3P0 16 ± 3 c 6

C II 2P3/2–2P1/2 (3.3 ± 0.5) × 103 1342198171
12CO 2–1 3.5 ± 0.4 7
12CO 3–2 6.7 ± 0.7 7

HD 21997 C I 3P1–3P0 7.1 ± 0.8 2018.1.00633.S, 2019.1.01175.S

C II 2P3/2–2P1/2 6 ± 20 (<66) 1342247736
12CO 2–1 1.58 ± 0.16 2011.0.00780.Sd

12CO 3–2 2.9 ± 0.3 2011.0.00780.Sd

13CO 2–1 0.67 ± 0.07 2011.0.00780.Sd

13CO 3–2 1.64 ± 0.12 e 2011.0.00780.S, 2017.1.01575.Sd

C18O 2–1 0.39 ± 0.05 2011.0.00780.Sd

C18O 3–2 0.70 ± 0.08 2017.1.01575.Sd

HD 32297 C I 3P1–3P0 4.0 ± 0.4 8

C II 2P3/2–2P1/2 270 ± 70 9
12CO 2–1 0.80 ± 0.06 f 10, 11
13CO 2–1 0.37 ± 0.05 11

C18O 2–1 0.20 ± 0.04 11

HD 48370 C I 3P1–3P0 0.0 ± 0.6 (<1.8) 2019.2.00208.S
12CO 2–1 0.04 ± 0.07 (<0.26) 2016.2.00200.S
13CO 2–1 0.04 ± 0.08 (<0.27) 2016.2.00200.S

C18O 2–1 0.00 ± 0.04 (<0.11) 2016.2.00200.S

HD 61005 C I 3P1–3P0 0.05 ± 0.15 (<0.49) 2019.1.01603.S
12CO 2–1 0.022 ± 0.015 (<0.066) 2012.1.00437.S

Table 2 continued on next page
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Table 2 (continued)

star emission line flux flux reference observation ID

[10−20 W/m2]

(1) (2) (3) (4) (5)

HD 95086 C I 3P1–3P0 0.0 ± 0.4 (<1.1) 2019.1.01175.S
12CO 1–0 (9.5 ± 6) × 10−3 (<0.028) 2016.A.00021.T
12CO 2–1 (0 ± 5) × 10−3 (<0.016) 2013.1.00612.S, 2013.1.00773.S
12CO 3–2 0.06 ± 0.14 (<0.48) 2016.A.00021.T

HD 110058 C I 3P1–3P0 0.15 ± 0.11 (<0.46) 2019.1.01175.S
12CO 2–1 0.064 ± 0.007 2012.1.00688.S, 2018.1.00500.S
12CO 3–2 0.22 ± 0.02 2018.1.00500.S
13CO 2–1 0.037 ± 0.005 2018.1.00500.S
13CO 3–2 0.136 ± 0.016 2018.1.00500.S

HD 121191 C I 3P1–3P0 0.32 ± 0.08 2019.1.01175.S
12CO 2–1 0.161 ± 0.015 12
13CO 2–1 0.052 ± 0.016 13

C18O 2–1 0.000 ± 0.012 (<0.037) 13

HD 121617 C I 3P1–3P0 6.1 ± 0.6 2019.1.01175.S
12CO 2–1 0.98 ± 0.10 13
13CO 2–1 0.39 ± 0.05 13

C18O 2–1 0.058 ± 0.017 13

HD 131835 C I 3P1–3P0 4.6 ± 0.7 14

C II 2P3/2–2P1/2 0 ± 18 (<53) 15
12CO 2–1 0.61 ± 0.03 16
12CO 3–2 1.29 ± 0.14 2013.1.01166.S
13CO 3–2 0.45 ± 0.05 2013.1.01166.S

C18O 3–2 0.20 ± 0.04 2013.1.01166.S

HD 146897 C I 3P1–3P0 0.03 ± 0.15 (<0.47) 2018.1.00633.S
12CO 2–1 0.046 ± 0.012 16

HD 181327 C I 3P1–3P0 0.11 ± 0.16 (<0.60) 2016.1.01253.S

C II 2P3/2–2P1/2 0 ± 300 (<760) 17
12CO 2–1 0.023 ± 0.004 18
12CO 3–2 0.02 ± 0.07 (<0.23) 2015.1.00032.S
13CO 2–1 0.089 ± 0.06 (<0.26) 2013.1.01147.S

HR 4796 C I 3P1–3P0 −0.1 ± 0.4 (<1.0) 2017.A.00024.S

C II 2P3/2–2P1/2 0 ± 180 (<540) 19
12CO 2–1 0.00 ± 0.03 (<0.077) 12
12CO 3–2 0.000 ± 0.010 (<0.029) 20
12CO 6–5 0 ± 3 (<9.2) 2016.A.00010.S

Table 2 continued on next page



7

Table 2 (continued)

star emission line flux flux reference observation ID

[10−20 W/m2]

(1) (2) (3) (4) (5)

References—((1) Higuchi et al. (2019b), (2) Higuchi et al. (2019a), (3) Roberge et al. (2013), (4) Hughes et al. (2017),
(5) Nhung et al. (2017), (6) Cataldi et al. (2018), (7) Matrà et al. (2017a), (8) Cataldi et al. (2020), (9) Donaldson
et al. (2013), (10) MacGregor et al. (2018), (11) Moór et al. (2019), (12) Kral et al. (2020b), (13) Moór et al. (2017),
(14) Kral et al. (2019), (15) Moór et al. (2015b), (16) Lieman-Sifry et al. (2016), (17) Riviere-Marichalar et al. (2014),
(18) Marino et al. (2016), (19) Meeus et al. (2012), (20) Kennedy et al. (2018)

aHiguchi et al. (2019a) derive a C I/13C I peak intensity ratio of 12± 3. We assume that the same ratio applies to the
disk-integrated fluxes. To estimate the error on the disk-integrated 13C I flux, we conservatively assume it has the
same SNR as the peak ratio: 4.

bThe weighted average of the fluxes (see equation 1) reported by Hughes et al. (2017) and Nhung et al. (2017) is
adopted, where we added a 10% calibration error in quadrature to each of the reported error bars.

cWe added a 10% calibration error to the flux error reported by Cataldi et al. (2018).

dData cubes used to derive the fluxes will be presented in a forthcoming publication (Matrà et al. in prep.).

eWeighted average (see equation 1) of the disk-integrated fluxes measured from data sets 2011.0.00780.S and
2017.1.01575.S.
fThe two flux measurements were combined as described in table note b, except that the calibration error was already

included in the flux error reported by Moór et al. (2019).

Note—(3) Values in parenthesis indicate 3σ upper limits. In cases where only an upper limit was given in the literature,
we adopt 0 ±K/n as the measured flux, with K the reported upper limit and n its significance in units of σ.

Table 2 also lists the disk-integrated line fluxes we used. For emission lines without published fluxes, we derived

disk-integrated fluxes as described in Section 3. Otherwise, we used fluxes from the literature, with the following

exceptions. For HD 21997, fluxes of 12CO 2–1 and 3–2, 13CO 2–1 and 3–2, and C18O 2–1 from program 2011.0.00780.S

were published by Kóspál et al. (2013). However, these data were recently re-analysed2 and supplemented by new

observations of the 3–2 transition of 13CO and C18O (program 2017.1.01575.S). We use naturally weighted data cubes

derived from the re-analysed 2011.0.00780.S data and the 2017.1.01575.S data. These will be presented in more detail

in a forthcoming publication (Matrà et al. in prep.). For 13CO 3–2, which was observed by both programs, we measure

the disk-integrated fluxes from both data cubes (as described in section 3.1.2) and adopt the weighted average as

follows. The weights are wi = σ−2
i , with σi the errors on the fluxes. The error on the weighted mean is then calculated

as

σ =

√√√√( 2∑
i=1

σ−2
i

)−1

(1)

Our results are consistent with Kóspál et al. (2013), except for C18O 2–1 where we find a significantly higher flux.

For HD 95086, Booth et al. (2019) presented fluxes of 12CO 1–0, 2–1 and 3–2, where the 2–1 transition was tentatively

detected (see also Zapata et al. 2018). However, Booth et al. (2021) recently proposed that HD 95086 belongs to the

Carina young association, implying a different systemic velocity than assumed by Booth et al. (2019). Thus, the
12CO 2–1 signal is likely spurious and we re-derived the fluxes using the updated systemic velocity.

For HD 110058, Hales et al. (2022) published CO fluxes after we already had conducted our flux measurements.

Furthermore, for 12CO 2–1, they used data from program 2018.1.00500.S only, while we included additional data from

program 2012.1.00688.S. We stick with the CO fluxes derived in this work, which are consistent with the results by

Hales et al. (2022).

2 We used visibility Measurement Sets provided directly by the European ALMA ARC in 2017, as those publicly available in the archive had
missing or corrupted data. At the time, the ALMA Helpdesk reported that these data sets, originally published in Kóspál et al. (2013),
had several issues including frequency labelling. Those issues were fixed in the data sets provided by the ARC.
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Finally, we also re-derived the C II 2P3/2–2P1/2 flux toward β Pictoris, as described in Section 3.2. The same data

were already analysed by Brandeker et al. (2016).

We note that after September 2021, more disks that meet our selection criteria as well as more line observations for

the already selected disks have become available in the ALMA archive. Analysing an extended sample including these

new data will be the subject of a future publication.

2.2. ALMA data

Here we describe the calibration and imaging of the ALMA (and ACA) data that were used to derive disk-integrated

fluxes. We start with the pipeline-calibrated visibility data downloaded from the ALMA archive that we process and

image as described below. The one exception is the CO data of HD 21997 where we use image cubes that will be

presented in more detail in a forthcoming publication (Matrà et al. in prep., see Section 2.1).

2.2.1. Calibration

We used modular CASA version 6.3 for processing of the pipeline-calibrated visibilities. In a first step, we produced

a single MS file for each disk and emission line using the concat command. For the emission lines that were observed

several times at different epochs, we verified that the proper motion of the target is sufficiently small compared to the

beam size such that an alignment before concatenating of the different data sets is not necessary. The exception is

the 12CO 2–1 line of HD 110058, observed in December 2013 (beam size ∼0.8′′) and in April 2019 (beam size ∼0.5′′).

Between the two observations, the target moved by 0.18′′. For simplicity, we still chose to not align the two data

sets. We verified that the disk-integrated flux does not change significantly when using the concatenated data set, or

the higher SNR 2019 data only, suggesting that alignment would not change our results. We also note that we did

not concatenate the HD 110058 12CO 2–1 data sets initially, but waited with concatenation until after the continuum

subtraction (see below). This is because CASA, for an unknown reason, was not able to subtract the continuum from

the concatenated data.

The second step consisted of transforming the data to the barycentric reference frame using the mstransform

command. We also removed the first and last ten channels of each data set, because edge channels often showed high

noise. Next, for the emission lines where we used data from more than one observation program, we used the task

statwt to reweight the visibilities according to their scatter3. Reweighting assures that the relative weights between

the different data sets are correct. The CLEAN algorithm we used to image the visibilities indeed depends on correct

relative weights between the visibilities, although it is insensitive to an overall scaling of the weights. We then proceed

to subtract the continuum in the uv-plane using the task uvcontsub with fitorder=1. For both the reweighting and

the continuum subtraction, we exclude a range of ±20 km s−1 around the wavelength of emission lines. We also exclude

a small number of channels with abnormally high amplitudes. Finally, we use the task split to extract a range of

±30 km s−1 around each emission line that we use for imaging.

We note that HD 48370 shows prominent CO 2–1 (and 13CO 2–1) emission at vbary ≈ 41 km s−1, potentially due to

cloud contamination. The emission is sufficiently separated from the systemic velocity (23.6 km s−1) to not affect our

analysis of CO emission from the disk. The contaminating CO emission was excluded for the continuum subtraction

and continuum imaging.

2.2.2. Imaging

We use the tclean command with deconvolver=’multiscale’ and scales=[0,5,15,25] to produce image cubes.

Briggs weighting with robust=0.5 is employed, as we found it to yield similar SNR compared to natural weighting,

but overall better beam properties that allow us to circumvent the JvM correction (see below). We use an elliptical

CLEAN mask constructed based on the disk inclination, position angle, outer radius as well as the systemic velocity of

the star. The mask is made conservatively large to ensure that all locations with potential disk emission are included.

The threshold for the CLEAN algorithm is set to four times the rms measured from the dirty image. We also produce

continuum images with the same procedure, using the non-continuum-subtracted visibilities and excluding data within

±20 km s−1 of emission lines.

We produced additional data cubes by employing the JvM correction (Jorsater & van Moorsel 1995) as described by

Czekala et al. (2021, see also Casassus & Cárcamo (2022)). Here we provide a brief summary of the JvM correction.

3 https://casa.nrao.edu/docs/taskref/statwt-task.html, accessed 2022-07-16.

https://casa.nrao.edu/docs/taskref/statwt-task.html


9

The final output image of the CLEAN algorithm is the sum of the residual map and the CLEAN model, where the latter

is convolved with the CLEAN beam (a Gaussian fit to the dirty beam). However, the two maps have inconsistent units

(Jy/(dirty beam) vs Jy/(CLEAN beam)), which can lead to wrong flux measurements. The JvM correction attempts

to correct for this by scaling the residual map before adding it to the CLEAN model. The scaling factor is given by the

ratio of the clean beam and dirty beam areas. This correction becomes important in situations where the areas differ

strongly, i.e. where the dirty beam is strongly non-Gaussian. Scaling of the residual map implies that the noise in the

image is scaled as well (because the noise is determined by the residual map). On the other hand, the total flux is only

affected if a significant portion of it resides in the residual map (i.e. below the CLEANing threshold). Ultimately we

decided to use the non-JvM-corrected images since the disk-integrated fluxes we derive are mostly unaffected by the

correction (see section 3.1.2).

2.3. Herschel data

When available, we use published C II 2P3/2–2P1/2 fluxes measured with Herschel (Table 2). However, for HD 21997

the Herschel data have not been published yet. We also decided to re-analyse the data for β Pic. For both targets,

we used observations by Herschel/PACS (Pilbratt et al. 2010; Poglitsch et al. 2010). The PACS spectrometer array

consists of 5× 5 spatial pixels (spaxels) covering a 47′′ × 47′′ field of view. We directly use the data downloaded from

the Herschel Science Archive.

HD 21997 was observed in ’Mapping’ observing mode, meaning that a raster map was constructed using several

pointings. We use the spatially resampled and mosaicked ’projected cube’ (HPS3DPR). The beam FWHM is approx-

imately 11.5′′4, thus we do not expect the target to be resolved. We extract a spectrum by spatially integrating the

data cube over a circular aperture with a diameter equal to the beam FWHM, centred on the proper motion-corrected

position of the star. We only consider the region between 157.1 and 158.5µm because the noise increases towards the

edges of the spectral window. The FWHM of an unresolved line is ∆λ = 0.126µm (239 km s−1)5, implying that the

C II emission line will not be resolved. We subtract the continuum by fitting a linear polynomial to the spectrum,

excluding the region λ0 ± (1.5∆λ) where λ0 is the rest wavelength of the line.

β Pic was observed in ’Pointed’ observing mode, meaning that only a single pointing was carried out. Thus, instead

of a raster map as in the case of HD 21997, we only get a single spectrum for each of the 25 spaxels of PACS. We

use the spectrally rebinned cube (HPS3DRR). Given the beam size of 11.5′′, the spaxel size of 9.4′′ × 9.4′′ and a

disk diameter of roughly 10′′, we can expect that emission is restricted to the central nine spaxels (see also Fig. 3 of

Brandeker et al. 2016). We extract a single spectrum by summing over the central nine spaxels. We then subtract the

continuum in the same way as for HD 21997.

3. DATA ANALYSIS

In this section we describe how we measured disk-integrated fluxes.

3.1. CO and C I fluxes from ALMA data

3.1.1. Moment 0 maps

To measure CO and C I fluxes, we first produce moment 0 maps. For each emission line, we first define a velocity

range vsys±∆v where vsys is the systemic velocity and ∆v is the projected Keplerian velocity at the inner edge of the

disk rin (see Table 1 for the adopted values of rin). Thus,

∆v =

√
GM∗
rin

sin i (2)

with the stellar mass M∗ and the disk inclination i as listed in Table 1. For low inclinations, this tends to zero, but

our sample does not include very low inclination disks and thus the smallest ∆v is 1.9 km s−1. The adopted velocity

range always spans several channels. We then extract a spectrum by spatially integrating the image cube over an

elliptical region defined by the disk inclination, position angle and disk outer edge rout. We use this spectrum to verify

by eye that our velocity range encompasses all emission (obviously, this is only possible in the cases where emission is

detected). This is indeed the case, with one exception: for HD 121617, we needed to manually increase the velocity

4 PACS Observer’s Manual v. 2.5.1, Fig. 4.12, https://www.cosmos.esa.int/documents/12133/996891/PACS+Observers%27+Manual
5 PACS Observer’s Manual v. 2.5.1, Table 4.1

https://www.cosmos.esa.int/documents/12133/996891/PACS+Observers%27+Manual
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Figure 1. Moment 0 and continuum maps used for flux measurements towards HD 21997. The noise and contour levels are
indicated in the upper right of each image. The beam size is indicated by the hatched ellipse in the bottom left. The stellar
position is marked by the red cross. The orange contours mark the aperture used to measure the flux. We note significant
offsets between the expected stellar position and the disk center for the lines observed during cycle 0 (12CO 2–1 and 3–2, 13CO
2–1 and 3–2 (from program 2011.0.00780.S for the latter) and C18O 2–1). The moment 0 maps of the targets not shown in the
main text are available in Appendix D.

range from 6.7 km s−1 to 10 km s−1. Since for this disk, rin is based on continuum observations, this could indicate that

the gas extends further inwards than the dust. We then create a moment 0 map using the bettermoments package

by integrating the image cube over the adopted velocity range. The moment 0 maps for the disks with new C I

detections are shown in Fig. 1 (HD 21997), 2 (HD 121191) and 3 (HD 121617). For each disk, we show all moment 0

maps and continuum maps we created. The remaining moment 0 and continuum maps we produced and used for flux

measurements are shown in Appendix D.

3.1.2. Measurement of disk-integrated fluxes
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Figure 2. Same as Fig. 1, but for HD 1211191.

Figure 3. Same as Fig. 1, but for HD 121617.

We now measure disk-integrated CO and C I fluxes from the moment 0 maps by using apertures. We will consider

two kinds of apertures: 1) apertures constructed using the known geometrical parameters of the disk (’geometrical

aperture’), and 2) empirical apertures based on the observed emission in the moment 0 map (’empirical aperture’).

The latter can only be applied if the SNR is sufficiently high.

Let us first consider the geometrical apertures. We consider a disk model with inner and outer cutoffs given by rin

and rout (Table 1) and constant scale height

H =

√
kTr3

mean

µmpGM∗
(3)
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with k the Boltzmann constant, T the temperature (fixed to 50 K for simplicity), µ the mean molecular weight of the

gas (for simplicity fixed to 14, Kral et al. 2017) and mp the proton mass. We define the mean radius rmean as

r2
mean =

r2
in + r2

out

2
(4)

such that the areas (and thus gas masses, given the constant scale height) inside and outside of rmean are equal. The

disk is placed in a 3D grid taking into account its inclination and position angle. We set any point within our grid to

1 if it satisfies rin ≤ r ≤ rout (with r the cylindrical coordinate) and is within ±2H of the disk midplane. All other

points are set to 0. We then sum the grid along the line of sight. In the resulting 2D map, any point larger than 0 is

set to 1. Finally, we convolve the map with the beam of the observations and normalise it to a peak of 1. Our aperture

then consists of all points larger than 0.2.

In some cases (most significantly for the CO lines of HD 21997, see Fig. 1), there was a visible offset between the

expected and observed disk center. We then shifted the geometrical aperture by eye so that all flux is included.

We then measure the noise ξ in a region outside of the disk. Note that we use the non-primary beam corrected images

to assure that the noise is uniform throughout the image. This is justified because the disks are small compared to the

primary beam. Indeed, considering the normalized primary beam response (peak 1), no aperture extends further out

than the 0.73 level of the primary beam. In 95% of the cases, the aperture stays within the 0.86 level of the primary

beam. We also verified that disk-integrated fluxes measured from primary beam corrected images are not significantly

different. To this end, we measured fluxes from the primary beam corrected images using the same apertures as for

the uncorrected images. The difference was always smaller than 0.4σ, and for the vast majority of the images, smaller

than 0.1σ, where σ denotes the error on the disk-integrated flux.

Next, we measure the peak SNR within the geometrical aperture. If the peak SNR within the geometrical aperture

is below 8, the flux obtained by integrating over this aperture is used as our final flux measurement. If the SNR is

above 8, we measured the flux from an empirical aperture instead. The empirical aperture is constructed as follows.

We consider all pixels of the image with a flux F > 2.5ξ, where ξ is the noise in the moment 0 map. This results in

a number of disjoint regions. The region corresponding to the disk can be easily identified as the one containing the

highest flux. This region is adopted as our empirical aperture. We found that a cutoff at 2.5ξ gives a good compromise

at including most of the real emission and excluding noise.

The moment 0 and continuum maps of Figures 1, 2 and 3 and in Appendix D show the apertures we used to measure

the fluxes.

To estimate the error σ on the disk-integrated flux, we place the (geometrical or empirical) aperture at various

positions outside the disk (without overlap) and take the standard deviation of the collected flux samples. However,

sometimes it is not possible to collect a sufficient number of non-overlapping flux samples because the aperture is

too big and/or the image is too small. Thus, if less than 20 flux samples can be collected, we instead calculate σ

analytically as

σ = ξΩp
√
Npf = ξΩb

√
Nb (5)

where Ωp and Ωb are the solid angles (in units of [sr]) of a pixel and the beam respectively, Np is the number of pixels

in the aperture, f =
√

Ωb/Ωp is the noise correlation ratio (e.g. Booth et al. 2017) and Nb is the number of beams in

the aperture. Here the noise ξ is in units of [W m−2 sr−1].

For the lines for which enough flux samples can be collected, we compared the two error estimation methods. We

find that the ratio σsample/σanalytical = 0.7 ± 0.1, i.e. the analytical method tends to give larger errors, but the two

methods are in reasonable agreement. Finally, we conservatively add a 10% calibration error in quadrature6. Our

results are listed in Table 2. Our work results in three new detections of C I towards HD 21997, HD 121191 and

HD 121617 (see Figures 1, 2 and 3).

We also measured continuum fluxes with the same procedure as for line emission. For HD 95086 we excluded the

background source identified by Zapata et al. (2018) from our aperture, which implies that our measurements will tend

to underestimate the total disk flux. Our continuum measurements are presented in Table 11 of appendix A.

As discussed in section 2.2.2, we used image cubes without the JvM correction applied. As a test, we computed

disk-integrated line fluxes using JvM-corrected image cubes. We find that for all disks and lines, the fluxes agree

6 ALMA Cycle 9 Technical Handbook ver. 1.0, https://almascience.nao.ac.jp/documents-and-tools/cycle9/alma-technical-handbook

https://almascience.nao.ac.jp/documents-and-tools/cycle9/alma-technical-handbook
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with the values given in Table 2 within 0.7σ. For the continuum, 84% of the flux measurements are within 1σ, with

the maximum difference of 2.2σ occurring for HD 181327. These differences are partially due to the fact that the

aperture chosen to measure the flux depends on the noise in the image, and the JvM correction changes the noise.

We also find that the derived flux errors agree well. Overall, this indicates that our images have a dirty beam that

is well approximated by a Gaussian. For naturally weighted images, there is a larger proportion of cases where the

corrected and uncorrected line fluxes differ: 84% are within 1σ, with the maximum difference of 3.0σ being identified

for 13CO 3–2 towards HD 110058.

3.2. C II fluxes from Herschel data

We measure fluxes from the C II spectra extracted from the Herschel/PACS data (see section 2.3). First, we measure

the standard deviation ς of the flux data points, excluding the region λ0 ± (1.5∆λ) (where again λ0 and ∆λ are the

rest wavelength and FWHM of the line, respectively). We define a model for the emission line as

F (λ, F0) =
F0√
2πσ

exp

(
− (λ− λ0)2

2σ2

)
(6)

where σ = ∆λ/(2
√

2 ln 2) and F0 is the total line flux. We then consider the likelihood

L(F0) =
∏
i

1√
2πfς

exp

(
− (F (λi, F0)−Di)

2

2(fς)2

)
(7)

where the product goes over all data points i of the spectrum, Di are the measured flux values, and f =
√

∆λ/δλ

(with δλ the channel width) is the noise correlation ratio (e.g. Booth et al. 2017). We verified that the likelihood is

very well approximated by a Gaussian. Using L we can then determine the maximum likelihood estimate (e.g. Barlow

1989), and error bars corresponding to the fluxes where lnL has decreased by 0.5 with respect to its peak. This yields

C II fluxes of (0.6 ± 2.0) × 10−19 W m−2 for HD 21997 and (3.3 ± 0.5) × 10−17 W m−2 for β Pic. For HD 21997, a

3σ upper limit of 6.6× 10−19 W m−2 is derived by determining the flux where lnL has decreased by 4.5 with respect

to its peak. These maximum likelihood estimates of the C II fluxes are reported in Table 2 and used in our MCMC

modelling. However, we may go one step further and derive a posterior probability distribution by multiplying the

likelihood with a prior that is zero for F0 < 0, and flat for F0 ≥ 0. For HD 21997, this yields 1.6+1.6
−1.1 × 10−19 W m−2

(50th percentile with 15.9th and 84.1th percentile as error bars), or a 99% upper limit of 5.6×10−19 W m−2. For β Pic,

the maximum likelihood and the posterior distribution yield identical results because the line is clearly detected.

Brandeker et al. (2016) also analysed the C II data of β Pic, but they only report the fluxes from the four spaxels for

which they detect emission. Summing their values (with errors summed in quadrature) gives (3.2±0.3)×10−17 W m−2,

consistent with our result. Note that C II towards β Pic was also observed by Herschel/HIFI, but the HIFI beam

barely covers the disk (Cataldi et al. 2014). Therefore, the data from Herschel/PACS are better suited to measure the

total flux.

4. MODELLING

Our main goal is to derive the masses and disk-averaged column densities of carbon and CO for each of our targets.

We employ a simple disk model that is fitted to the disk-integrated fluxes that we derived in the previous section.

4.1. LTE models

We first present a model where local thermodynamic equilibrium (LTE) is assumed. The free parameters of the

model are the total CO mass M(CO), the total C0 mass M(C0), the total C+ mass M(C+) (if C II was observed),

the CO temperature TCO, and the carbon temperature TC (see Table 3). Thus, we assume that C0 and C+ share the

same temperature. This assumption is made because half of our disks do not have C II data. In Appendix B.1, for

the disks with C II data, we run additional fits where the temperatures of C0 and C+ are separated. No significant

changes in the derived gas masses are observed when separating the C0 and C+ temperatures.

The mass ratios of C0/13C0, 12CO/13CO and 12CO/C18O are fixed to ISM abundances (12C/13C = 69, 16O/18O =

557, Wilson 1999). With this assumption we explicitly ignore the possibility of CO isotopologue-selective photo-

dissociation which would tend to increase the 12CO/13CO and 12CO/C18O ratios (e.g. Visser et al. 2009). However,
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the assumption is necessary to constrain the CO mass in the cases where the 12CO emission is optically thick, although

it might lead to an underestimation of the CO mass if isotopologue-selective photodissociation is active.

We assume a disk with a uniform density for rin ≤ r ≤ rout (see Table 1 for the adopted values), and within ±1.5H

of the disk midplane, where H is the scale height given by equation 3. For simplicity, the scale height is fixed, that is,

it does not vary with radius nor with the temperature: r = rmean and T = 50 K are fixed to calculate H. Choosing

T = 50 K is arbitrary, but given the weak dependence of H on temperature, we do not expect this choice to affect our

results. Indeed, compared to H(T = 50K), H would vary by a factor ∼2 at most for the temperature range (10–200 K)

we consider. We also note that in reality, the vertical structure is unlikely to be the same for each species as it depends

on a number of factors and the interplay between photochemistry and vertical diffusion (e.g. Marino et al. 2022).

For a given set of parameter values, we can then compute the total line emission by ray-tracing the emission along

the line of sight of the 3D disk model (e.g. Cataldi et al. 2014), assuming a Keplerian velocity field that is considered

independent of z (the direction perpendicular to the midplane). However, for low gas densities, the gas might not be

in Keplerian rotation, but rather be blown out as a wind (Kral et al. 2023). As discussed in Sect. 6.4, this caveat in

unlikely to affect our results. Since we assume LTE, the level populations are computed from the Boltzmann equation.

The atomic data is taken from the LAMDA database7. The local intrinsic emission was assumed as a square line profile

with a fixed width of 0.5 km s−1. In Appendix B.2 we discuss how our fits change when the line width is changed.

We initially explored an even simpler model that ignored the velocity field of the disk, but found that such a

model can easily overestimate the optical depth of the lines, resulting in highly uncertain column density estimates,

particularly for highly inclined disks.

The parameter space is explored using the MCMC method implemented by the emcee package (Foreman-Mackey

et al. 2013). The log likelihood is given by

lnL(P) = −
∑
i

(Fi(P)−Di)
2

2σ2
i

(8)

where the sum runs over all observed emission lines, P represents the parameter values, Fi is the model flux, and

Di and σi are the observed flux and error as given in Table 2. The posterior probability is found by multiplying

the likelihood L with a flat prior for each parameter, with limits detailed in Table 3. The influence of the chosen

temperature priors on our results is discussed in Appendix B.3.

An additional prior is applied that ensures TCO ≤ TC. This represents our expectation that C is either well-mixed

with CO (TCO = TC) or preferentially occupies regions where CO is efficiently photodissociated such as the disk

atmosphere (Marino et al. 2022) or the inner disk regions where the temperature is expected to be higher (e.g. Kral

et al. 2019). Note though that our disk model implicitly assumes that the gas is well-mixed by considering an identical

spatial distribution for each species.

For computational efficiency, we pre-compute the model fluxes on a grid of parameter values and interpolate on that

grid during the MCMC run. The grid has a resolution of 5 K (for T < 30 K) respectively 25 K (for T > 30 K) for

temperature, at least 0.5 dex for gas masses, and 0.5 dex for collider number densities (used for the non-LTE models,

see below). We tested the grid by comparing interpolated and directly calculated fluxes and found excellent agreement.

For the MCMC, we employ 1000 walkers, each taking 20’000 steps. We discard the first 15’000 steps as burn-in.

4.2. Non-LTE models

We explore additional models where the LTE assumption is dropped. We introduce an additional free parameter:

either the H2 number density n(H2), or the electron number density n(e−). Note that in the latter case, we do not

assume n(C+) = n(e−), that is, n(e−) is an independent parameter. The level populations are determined by using a

statistical equilibrium calculation in the radiative transfer code pythonradex8, where the input for the pythonradex

code is the column density along the line of sight Nlos corresponding to a given gas mass. The radiative transfer is

then calculated in the same way as for the LTE models.

5. RESULTS

7 https://home.strw.leidenuniv.nl/∼moldata/
8 https://github.com/gica3618/pythonradex

https://home.strw.leidenuniv.nl/~moldata/
https://github.com/gica3618/pythonradex
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Table 3. Parameters used in our model
fitting.

parameter units min max

(1) (2) (3) (4)

logM(CO) logM⊕ −8 1

logM(C0) logM⊕ −8 1

logM(C+)a logM⊕ −8 1

TCO K 10 200

TC K 10 200

logn(H2)b log cm−3 1 7

logn(e−)b log cm−3 −1 5

aUsed only if C II data were available.

bUsed for the non-LTE models only.

Note—(3) Value below which the flat
prior is zero. (4) Value above which
the flat prior is zero.

5.1. LTE models

In Table 4 we present summary statistics of the posterior probability distribution we derived for each parameter in

the LTE case. We also transformed the derived masses to column densities. We derive the averaged column density

in the z direction N⊥ by dividing the mass by the face-on projection of the disk π(r2
out − r2

in) and the molecular mass.

We also derive the averaged column density along the line of sight Nlos by considering the area of the disk projected

onto the sky plane. To determine the latter, we project our 3D disk model along the line of sight and then sum the

area of all non-zero pixels.

In Table 4, we list upper limits (99th percentile) for the mass and column density whenever the corresponding disk-

integrated fluxes have a SNR < 3. The table also lists lower limits whenever a parameter has a substantial probability

to be close to the upper bound of the prior. This is formalised as∫ pmax

pmax−0.2W

P (p)dp > 5% (9)

where pmax is the maximum parameter value allowed by the prior, W is a proxy for the width of the posterior

distribution calculated as the difference between the 99th and the 1st percentile, and P is the posterior probability

density.

If the C II line was not observed, we estimate the amount of ionised carbon with a simple ionisation equilibrium

calculation. For a given C0 mass, we calculate the ionisation balance by assuming uniform density and that the electron

density equals the C+ density. We use ionisation cross sections (Nahar & Pradhan 1991) and recombination coefficients

(Nahar 1995, 1996) from the NORAD-Atomic-Data database9. For the stellar flux, we use ATLAS9 models (Castelli

& Kurucz 2003) with the parameters listed in Table 1 and scaled by exp(−αCn(C0)(rmean− rin)) to take into account

extinction by C0 ionisation. Here, αC is the ionisation cross section and n(C0) the uniform C0 number density. For the

interstellar radiation, we use the Draine field (Draine 1978; Lee 1984) scaled by exp(−αCN⊥(C0)/2). This calculation

implicitly assumes that C0 and C+ are well-mixed. Marino et al. (2022) found that C+ tends to form an upper layer

in the disk independently of the strength of vertical mixing. Therefore, our simple model may underestimate the total

C+ mass because it only accounts for the C+ co-located with C0.

9 https://norad.astronomy.osu.edu

https://norad.astronomy.osu.edu
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In Table 5 we present the optical depth we derived for each emission line.

Table 5. Median as well as 16th and 84th percentile of the

optical depth along the line of sight, derived from MCMC

runs assuming LTE.

star emission line τ(ν0)

49 Ceti C I 3P1–3P0 11+8
−5

13C I 3P1–3P0 0.15+0.09
−0.06

C II 2P3/2–2P1/2 110+600
−100 (>0.084)

12CO 2–1 121+16
−14

12CO 3–2 120+20
−20

13CO 2–1 1.53+0.20
−0.18

C18O 2–1 0.20+0.03
−0.02

β Pictoris C I 3P1–3P0 0.080+0.3
−0.04

C II 2P3/2–2P1/2 0.45+30
−0.3 (>0.12)

12CO 2–1 2.5+1.3
−0.9

12CO 3–2 1.8+0.3
−0.5

HD 21997 C I 3P1–3P0 0.10+10
−0.07 (>0.025)

C II 2P3/2–2P1/2 <260
12CO 2–1 450+60

−90

12CO 3–2 280+60
−70

13CO 2–1 6.0+1.0
−1.4

13CO 3–2 3.7+0.8
−1.0

C18O 2–1 0.64+0.18
−0.09

C18O 3–2 0.46+0.05
−0.07

HD 32297 C I 3P1–3P0 1.2+1.6
−0.9

C II 2P3/2–2P1/2 3.9+200
−3 (>0.087)

12CO 2–1 580+200
−200

13CO 2–1 7.1+2
−2

C18O 2–1 0.86+0.5
−0.3

HD 48370 C I 3P1–3P0 <6.1 × 10−3

12CO 2–1 <0.042
13CO 2–1 <7.0 × 10−4

C18O 2–1 <3.3 × 10−4

HD 61005 C I 3P1–3P0 <0.022
12CO 2–1 <0.18

HD 95086 C I 3P1–3P0 <1.2 × 10−3

12CO 1–0 <4.0 × 10−4

12CO 2–1 <9.2 × 10−4

12CO 3–2 <9.6 × 10−4

HD 110058 C I 3P1–3P0 <5.9
12CO 2–1 940+500

−200

12CO 3–2 (1.8+1.2
−0.4) × 103

Table 5 continued on next page
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Table 5 (continued)

star emission line τ(ν0)

13CO 2–1 12+7
−4

13CO 3–2 24+12
−8

HD 121191 C I 3P1–3P0 0.16+0.09
−0.06

12CO 2–1 39+20
−18

13CO 2–1 0.48+0.3
−0.2

C18O 2–1 0.060+0.04
−0.03

HD 121617 C I 3P1–3P0 0.42+1.0
−0.2

12CO 2–1 83+16
−15

13CO 2–1 1.1+0.2
−0.2

C18O 2–1 0.13+0.03
−0.03

HD 131835 C I 3P1–3P0 0.30+19
−0.18

C II 2P3/2–2P1/2 <240
12CO 2–1 170+40

−40

12CO 3–2 114+11
−13

13CO 3–2 1.52+0.2
−0.17

C18O 3–2 0.21+0.04
−0.05

HD 146897 C I 3P1–3P0 <0.37
12CO 2–1 0.98+130

−0.7

HD 181327 C I 3P1–3P0 <0.016

C II 2P3/2–2P1/2 <78
12CO 2–1 0.012+0.02

−0.008

12CO 3–2 0.017+0.015
−0.010

13CO 2–1 (2.7+6
−2) × 10−4

HR 4796 C I 3P1–3P0 <0.20

C II 2P3/2–2P1/2 <1.8 × 103

12CO 2–1 <0.11
12CO 3–2 <0.094
12CO 6–5 <0.025

Note—Upper limits correspond to the 99th percentile and
are given if the SNR of the disk-integrated flux is less
than 3. Lower limits corresponding to the 1st percentile
are given in parenthesis if equation 9 is satisfied.

Figures 4 and 5 show corner plots (1D and 2D histograms of the posterior probability distribution) for two example

disks: the CO-rich disk around HD 32297 and the disk around HD 48370 where no gas emission was detected. For

HD 32297, we see that the CO and C0 masses are well constrained, while the C+ mass could be very large if the

temperature TC is low. Indeed, for low temperatures, the C II emission becomes optically thick and the mass cannot

be meaningfully constrained anymore. High optical depth at low temperature and consequently large uncertainties on

the underlying CO, C0 or C+ masses are an issue for several other disks. The CO temperature in the HD 32997 disk

is well-constrained. The posterior of the carbon temperature has a distinct peak, but also broad wings.

For the HD 48370 disk, the posterior distributions of the masses clearly allow us to derive upper limits, while the

temperatures are essentially unconstrained. Note that the shape of the posterior distributions of TCO and TC reflects

our prior condition that TCO < TC.
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Figure 4. Corner plot showing posterior probability distributions derived assuming LTE, for the disk around HD 32297. In
the 1D histograms, the black vertical dashed lines indicate the 16th, 50th and 84th percentile. In the 2D histograms, the black,
blue and green contours mark the 50th, 90th and 99th percentile. Red dashed lines mark the upper or lower bound of the prior
distribution. The corner plots from the LTE runs not shown in the main text can be found in Appendix E.1.

The remaining corner plots of the LTE fits are shown in Appendix E.1. We emphasize that the values presented in

Table 4 are merely summary statistics of the posterior distributions. The reader interested in a particular parameter or

disk is invited to look at the corner plots to fully understand the posterior distributions and their mutual correlations.

Figure 6 compares the observed line fluxes Fobs to the median of the model line fluxes Fmodel, normalised by the

observational error. We see that our model, in general, successfully reproduces the observed line emission. There are

some exceptions, such as HD 21997 where the model underpredicts the 12CO 2–1 flux by 3.5σ and overpredicts the

2–1 and 3–2 fluxes of 13CO by 2σ.

5.2. Non-LTE models

The derived masses, temperatures and column densities for the non-LTE cases are presented in Tables 6 and 7 for

collisions with H2 and e− respectively. The two cases deliver consistent gas masses, although we note that the case

with e− collisions generally gives less constraining results for the C0 masses (e.g. higher upper limits).
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49 Ceti
 Pictoris

HD 21997
HD 32297
HD 48370
HD 61005
HD 95086

HD 110058
HD 121191
HD 121617
HD 131835
HD 146897
HD 181327

HR 4796
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13CO 3-2
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3 2 1 0 1 2 3
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LTE non-LTE

Figure 6. Overview of fit residuals. For each disk, the first column corresponds to the LTE fits and the second column to the
non-LTE fits (collisions with H2). The color indicates the difference between the observed flux and the median of the model
fluxes, normalised by the observational error. White indicates absence of data.
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Table 8. Lower limits on the H2 and e− density for
disks where meaningful constraints can be derived.
We note that these values are derived from models
that assume a single collider, either H2 or e−. The
third column shows the number density of C+ esti-
mated from the LTE fits for comparison.

star log n(H2) logn(e−) logn(C+)

[log cm−3] [log cm−3] [log cm−3]

49 Ceti > 2.1 > 0.3 > 1.4

β Pictoris > −0.7 > 1.2

HD 21997 > 2.8 > 1.7 < 4.8

HD 32297 > 1.8 > 0.4 > 1.2

HD 110058 > 0.4 < 3.8a

HD 121191 > −0.1 2.43+0.03
−0.04

a

HD 121617 > 1.9 > 0.8 2.14+0.07
−0.09

a

HD 131835 > 0.6 < 4.3

aEstimated from an ionisation calculation, because
no C II data were available. See text for details.

We find that in general, n(H2) and n(e−) are not well constrained. By visual inspection of the posterior distributions,

we identify the disks where lower limits can be inferred. Although not particularly constraining, they are presented in

Table 8 for completeness. The strongest constraints can be derived for HD 21997, for which we show the corner plot

in Fig. 7 for the case of collisions with H2 (the corner plots for the other targets for both H2 and e− collisions can

be found in Appendices E.2 and E.3, respectively). These collider densities are derived by assuming a single collider

species, either H2 or e−. In reality, several colliders might contribute to the excitation. Thus, our approach might

overestimate the collider densities of H2 and e−. In Table 8, we also list n(C+) as estimated from our LTE fits, for

comparison with n(e−). The values are formally consistent, that is, it could indeed be the case that n(e−) ≈ n(C+),

as is often assumed in simple ionisation calculations.

Figure 6 compares the residuals for the LTE and non-LTE fits. The non-LTE fits occasionally reproduce the data

slightly better (for example for HD 32297), but overall the residuals are very similar. This suggests that dropping the

LTE assumption is not enough to resolve the discrepancy between modelled and observed line fluxes seen for some

disks (for example 12CO 2–1 toward HD 21997). One possible cause could be that our non-LTE model only considers

excitation caused by collisions and the CMB background radiation. However, stellar photons (or dust thermal emission)

can sometimes be an important contribution to the excitation. For example, Matrà et al. (2018b) found that pumping

to electronic and rovibrational levels by the stellar UV had an important effect on the population of rotational levels

of CO in the disk around β Pic.

5.3. The C0 and CO content of the debris disk sample

Fig. 8 shows how the disks of our sample are distributed in the plane of C0 vs CO masses and vertical column

densities. Looking at the masses (Fig. 8 left), we note that for all disks where both masses are well constrained,

M(CO) & M(C0), with one notable exception: β Pictoris. Second, we can recognise two groups of disks: CO-rich

disks with M(CO) > 10−3 M⊕ and CO-poor disks with M(CO) < 10−4 M⊕. Only one disk (HD 146897) might be

located in the CO mass range between 10−4 and 10−3 M⊕. In a secondary gas scenario, this might indicate that the

transition from a CO-poor to a CO-rich disk occurs fast once C shielding becomes significant. We also note that there

are no disks with high C0 mass and low CO mass (bottom right of the plot). In the secondary gas production scenario,

one might expect such disks to exist. Once the CO production rate declines, the CO mass can decrease rapidly while

C stays in the system (Fig. 2 in Marino et al. 2020). However, our sample is biased and therefore we cannot infer
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Figure 7. Same as Fig. 4, but for the disk around HD 21997 in non-LTE assuming collisions with H2. The remaining corner
plots from the non-LTE runs are available in Appendices E.2 (collisions with H2) and E.3 (collisions with electrons).

the non-existence of such systems. The analysis of a statistically complete sample will be presented in a forthcoming

paper. In section 6.1 we discuss in detail how our results compare to models of secondary gas production.

Fig. 8 (left) also shows masses for the three protoplanetary disks DM Tau, LkCa 15 and TW Hya with red data

points. While there are more protoplanetary disks with C I data (Kama et al. 2016a,b; Alarcón et al. 2022), to the

best of our knowledge, these are the only disks with published C0 masses (Tsukagoshi et al. 2015). The CO masses

are from Zhang et al. (2019, their Fig. 4) for DM Tau and from Jin et al. (2019) for LkCa 15. For TW Hya, we

consider two CO mass estimates: the smaller is derived by combining the minimum CO abundance (relative to H2)

from Favre et al. (2013) with the minimum disk mass from Bergin et al. (2013). The larger CO mass is from Zhang

et al. (2019, their Fig. 4). The error bar for TW Hya encompasses the range between these two mass estimates. The

three protoplanetary disks considered here have a substantially higher CO mass compared to the CO-rich debris disks,

although this might not be true in general (e.g. Smirnov-Pinchukov et al. 2022). On the other hand, the protoplanetary

C0 masses are comparable to (or possibly lower than) the debris disk C0 masses. This probably reflects the typical

chemical structure of protoplanetary disks where atomic C is only expected to be present in the disk atmosphere, while

most of the mass is located in the molecular layer closer to the midplane (e.g. Kama et al. 2016a). We also note that



26

10 4 10 2

C0 mass [M ]

10 6

10 4

10 2

100

102

CO
 m

as
s [

M
]

1

2

3 4

5
6

7

8
9

10
11

12
13

14

15

16 17

1014 1015 1016 1017 1018

C0 vertical column density [cm 2]

1011

1013

1015

1017

1019

CO
 v

er
tic

al
 c

ol
um

n 
de

ns
ity

 [c
m

2 ]

1 - 49 Ceti
2 -  Pictoris
3 - HD 21997
4 - HD 32297
5 - HD 48370
6 - HD 61005
7 - HD 95086
8 - HD 110058
9 - HD 121191
10 - HD 121617
11 - HD 131835
12 - HD 146897
13 - HD 181327
14 - HR 4796
15 - DM Tau
16 - TW Hya
17 - LkCa 15

1

2

3 4

5
6

7

8
9

10

11

12

13 14

6000 7000 8000 9000 10000

Teff [K]

Figure 8. The disks of our sample in the plane of C0 vs CO mass (left) and vertical column density (right). Data points are
colored by the effective temperature of the host star, except for three protoplanetary disks marked by red points. Upper and
lower limits are indicated by orange arrows. The black dashed line on the left corresponds to M(C0) = M(CO). The black
dashed lines on the right roughly mark the column densities where CO self-shielding and CO shielding by C0 become effective.

all three protoplanetary disks considered here are found around low mass stars, complicating the comparison to our

sample that consists mostly of A-type stars.

Looking at the vertical column densities (Fig. 8 right), we see the same two groups of disks as for the masses. The

vertical dashed line marks a C0 column density of 1017 cm−2, corresponding to a reduction of the CO photodissociation

rate by roughly a factor 1/e (Heays et al. 2017), assuming that C0 forms a distinct layer above and below CO (if they

are well-mixed instead, the shielding efficiency is reduced, Marino et al. 2022). We see that the CO-rich disks are

consistent with being significantly shielded by neutral carbon, as required by the secondary gas scenario. The CO-

poor disks on the other hand are not C0-shielded. The horizontal dashed line in Fig. 8 (right) marks a CO column

density of 1017 cm−2 where self-shielding reduces the ISRF-induced dissociation rate to 1.6% of the unshielded rate

(Visser et al. 2009). It shows that CO-rich disks are self-shielded, while CO-poor disks are not (at a CO column

density of 1015 cm−2, the dissociation rate is still at 40% of the unshielded value, Visser et al. 2009). We emphasize

that from a secondary gas perspective, CO self-shielding is not sufficient to explain CO-rich disks. Indeed, unless the

CO production rate is very large, CO can never reach a self-shielding column density without the help of C0 shielding

(e.g. Cataldi et al. 2020).

5.4. The carbon ionisation fraction

We test whether the carbon ionisation fraction can be constrained by our observations. In Table 9, we compute

two ionisation fractions: χana is purely based on our derived C0 masses and corresponds to the analytically calculated

ionisation fraction of a gas parcel that is subject to the full stellar and interstellar radiation (that is, we neglect any

optical depth). Other than that, the calculation was performed as described in Sect. 5.1 (ionisation equilibrium with

n(e−) = n(C+)). χana should give a reasonable estimate for the disks with low C0 column densities (HD 48370,

HD 61005, HD 95086, HD 146897 and HD 181327), but will overestimate the ionisation for other disks. We also

calculated χobs for the targets with C II data. It is simply χobs = M(C+)/(M(C0) + M(C+)). Unfortunately, we

are unable to provide strong constraints for χobs. The strongest constraint is found for the disk around β Pic where

χobs > 0.4.

6. DISCUSSION
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Table 9. Estimates of the analyti-
cally calculated ionization fraction ignor-
ing optical depth (χana) and the observed
ionization fraction (χobs).

star χana χobs

49 Ceti 0.2 > 0.1

β Pictoris 0.7 > 0.4

HD 21997 < 0.3 < 1.0

HD 32297 0.2 > 0.1

HD 48370 > 0.8 no C II

HD 61005 > 0.7 no C II

HD 95086 > 0.9 no C II

HD 110058 > 0.0 no C II

HD 121191 0.1 no C II

HD 121617 0.3 no C II

HD 131835 0.3 < 0.9

HD 146897 > 0.4 no C II

HD 181327 > 0.5 unconstrained

HR 4796 > 0.8 unconstrained

Note—Disks in bold are A-stars part
of the Moór et al. (2017) sample. If
the observations delivered upper lim-
its for both the C0 and C+ mass, or
lower limits for both, χobs cannot be
constrained.

In this section, we will concentrate on what we can learn from considering a sample of debris disks with both carbon

and CO observations. The discussion of our results with respect to individual targets can be found in Appendix C. In

that appendix, we also compare our results to the literature and discuss any discrepancies.

6.1. Comparison to population synthesis models

In this section we compare our results to the model by Marino et al. (2020) that considers the production and

evolution of secondary gas in debris disks. The Marino et al. (2020) model is one dimensional and assumes that CO is

produced in a collisional cascade of planetesimals that releases CO ice into the gas phase. The radial variation of the

CO production rate is modelled as a Gaussian centered at rbelt. The CO production rate is proportional to the rate

at which mass is input by catastrophic collisions of the largest bodies in the cascade. This rate decreases with time as

the disks depletes its mass. The model considers CO photodissociation as well as CO self-shielding and shielding by

C0 and follows the viscous radial evolution of CO and C0 assuming a standard α-disk model. C0 can only be removed

by accretion onto the star, while CO can be removed by both accretion and photodissociation. CO shielding by C0 is

assumed to be maximally efficient, that is, C0 is assumed to be in a layer above and below CO, rather than well-mixed

(see Marino et al. 2022, for a discussion of how vertial mixing affects the CO lifetime).

Marino et al. (2020) constructed two synthetic populations of A-star debris disks with gas: one assuming a low

viscosity (α = 10−3) and one with a high viscosity (α = 0.1). To construct each synthetic population, they evolve a

sample of model systems with randomly chosen stellar masses, disk masses and disk radii. The systems are evolved to

a random age between 3 and 100 Myr. By comparing their synthetic populations to CO observations, they conclude

that a high viscosity (α = 0.1) is required. Indeed, the low viscosity population produces too many disks with very

large (&1 M⊕) CO masses, inconsistent with observations. This is because for low viscosity, removal of gas by accretion

is slow, allowing a large column density to accumulate, which leads to efficient shielding.
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Marino et al. (2020) also compared their model population to observations of C0, but they had only four disks with

C0 data available: 49 Ceti, β Pic, HD 32297 and HD 131835. Considering the low number statistics, they concluded

that the α = 0.1 model is in reasonable agreement with the C0 data.

We are now in a position to provide an updated comparison of the Marino et al. (2020) simulations with observations:

we now have 10 disks around A-stars with C0 data. Furthermore, new CO isotopologue data allow a more accurate

CO mass measurements compared to the values used by Marino et al. (2020). In particular, our CO masses for 49 Ceti

and HD 32297 are larger by factors of ∼50 and ∼40, respectively, compared to the values adopted by Marino et al.

(2020). Figure 9 shows the comparison of our derived CO and C0 masses to three population synthesis models: the

original models presented by Marino et al. (2020) with α = 10−3 and α = 10−1, and a new model with α = 10−2.

One complication is that the total C0 mass of the simulations is often dominated by low density gas at large radii

which is not easily observable, or that might be ionised in reality (the model ignores ionisation). To avoid this issue,

the simulated C0 masses shown in Fig. 9 correspond to what Marino et al. (2020) called the ’observable carbon mass’

defined by ΣC0(rbelt)r
2
beltπ with ΣC0 the C0 surface density and rbelt the mid-radius of the gas-producing belt.

In Fig. 9, each small dot (colored by the dust fractional luminosity) represents a single simulation. To take into

account observational biases, Marino et al. (2020) consider the sub-population of simulated systems that corresponds

to the sample proposed by Moór et al. (2017), which is defined by the following criteria: 1) A-type host star, 2)

fractional dust luminosity between 5× 10−4 and 10−2, 3) a dust temperature below 140 K, 4) a detection with Spitzer

or Herschel at λ ≥ 70µm and 5) an age between 10 and 50 Myr. The black contours enclose 68%, 95% and 99.7% of

that sub-population, but considering model and observational uncertainties, we shall consider the outermost contour

as a reference to compare models and observations. We have ten A-stars in our sample, all of which are part of the

Moór et al. (2017) sample. They are also shown in Fig. 9 and should fall within the black contours if model and

data agree. We confirm the finding by Marino et al. (2020) that the low viscosity (α = 10−3) model overpredicts

the observed masses. However, in contrast to Marino et al. (2020), we find that the high viscosity model (α = 10−1)

also struggles to reproduce the observed masses. In particular, the model overpredicts the C0 masses. The case with

α = 10−2 turns out to be qualitatively similar to α = 10−3.

As mentioned before, comparing observed and simulated C0 masses is not trivial. Instead, comparing column

densities is more promising because it is the column densities of CO and C0 that determine the CO photodissociation

timescale (Marino et al. 2020). Thus, in Fig. 10, we instead compare the synthetic population and the observations in

terms of vertical column density. More precisely, we compare the model column density at rbelt (i.e. the radius where

CO production peaks) to the observed column density. Again comparing the observations to the black contours, the

conclusion remains essentially unchanged: the models tend to overpredict the C0 column density.

One possible explanation for the mismatch between the data and the secondary gas model is that the gas is primordial.

We will discuss a primordial scenario in Sect. 6.2. Here, we consider possible explanations for the mismatch in the

framework of the secondary gas scenario.

6.1.1. Additional shielding agent

One possibility to reconcile models and observations is an additional shielding agent besides C0. Additional shielding

would increase the model CO masses while reducing C0 production by photodissociation, thus bringing the model closer

to the observations. However, it remains unclear what that shielding agent could be. While H2 can shield CO, it is not

expected to be present in sufficient amounts in a secondary gas scenario. Indeed, efficient H2 shielding requires an H2

column density larger than 1021 cm−2 (Visser et al. 2009), and thus a CO/H2 abundance ratio .10−3 when referring

to the vertical CO column densities of Table 4. This CO abundance would be much closer to a primordial ISM-like

composition than to a comet-like composition where H2 is negligible.

We also note that the Marino et al. (2020) model assumes maximum efficiency of C0 shielding, that is, C0 is implicitly

assumed to be in a layer above and below CO. However, depending on the strength of vertical turbulence, CO and C

might instead be mixed (Marino et al. 2022). In a mixed gas, shielding is reduced and therefore the model CO masses

decrease while the carbon masses increase, which further increases the mismatch between model and observations.

6.1.2. Increased CO content of gas-producing comets

Another possibility to consider is an increased CO mass fraction of the planetesimals that participate in the collisional

cascade. Marino et al. (2020) assumed that the planetesimals contain 10% CO. If the CO content was substantially

higher, CO masses would increase. However, it would not decrease C0 masses, and thus not be helpful to resolve the

discrepancy between model and data.
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Figure 9. Comparison of the A-star population synthesis model by Marino et al. (2020) to the observed C0 and CO masses
for the A-stars in our sample. Each small dot (colored by the dust fractional luminosity) corresponds to a simulation. The
contours enclose 68%, 95% and 99.7% of the sub-population that satisfy the criteria of the A-star debris disks sample by Moór
et al. (2017). All ten A-stars in our sample are part of the Moór et al. (2017) sample. The top row shows an overview of the
location of the observed masses (marked with red dots, with limits indicated by orange arrows) with respect to the synthetic
population. The bottom row shows a zoomed view where the observations are colored by fractional luminosity. The columns
correspond to different α viscosities assumed for the simulations.

6.1.3. Radiation pressure

Radiation pressure on the gas was not included in the models by Marino et al. (2020). Could the apparent lack

of C0 be explained by blow out due to radiation pressure? Stars with Teff > 8000 K (spectral type A5V) are able to

blow out C0, while for C+ (and CO) Teff > 8800 K (A2V) is required (Youngblood et al. 2021). However, Kral et al.

(2017) found that a small column density of CO (much smaller than in the disk around β Pic) is sufficient to prevent

C0 and C+ from being blown out; this shielding was not considered by Youngblood et al. (2021). Thus, it appears

unlikely that radiation affects the C content of the disks significantly, except for the disks with low column densities.

Youngblood et al. (2021) indeed detected a wind driven by radiation pressure from the tenuous gas disk around η Tel.

Similar processes might be operating in disks such as the one around HR 4796. More detailed modelling of the effects

of radiation pressure would be valuable. For example, if C is located at the surface of the disk, separated from CO, it

might be more prone to blowout than estimated by Kral et al. (2017).
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Figure 10. Same as Fig. 9, but showing vertical column density instead of mass.

6.1.4. High C ionisation fraction

Marino et al. (2020) neglected C ionisation. Could this be the reason that the models overpredict C0 column

densities? Most of the systems shown in Fig. 10 have N(C0) & 1016 cm−2. Referring to Fig. 9 of Marino et al. (2020),

those systems would have an ionisation fraction below 0.3, except inside of 10 au. Therefore, we do not expect that

ionisation would strongly impact the comparison of the Marino et al. (2020) models to our observations, except for a

system such as HD 95086 with a low C0 column density < 1015 cm−2. However, an observational confirmation of low

ionisation fractions is difficult (see Sect. 5.4).

6.1.5. Underestimation of observed C0 masses

We can also ask whether the C0 masses (or column densities) are underestimated in our analysis, instead of over-

predicted by the models. For example, high optical depth might hide large C masses. To test this idea, we re-run our

MCMC fits, forcing the temperature to be between 10 and 20 K. This indeed results in more lower limits for the C0

column densities (five out of the ten, instead of one for our standard LTE fit). It also results in higher upper limits

for the C0 column density of HD 110058 and HR 4796, making them consistent with the Marino et al. (2020) model.

However, for six out of the ten disks (49 Ceti, β Pic, HD 32297, HD 110058, HD 121191 and HD 121617), the low

temperature model provides a significantly worse fit by strongly underpredicting some line fluxes.

6.1.6. Transient events
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Another possibility to explain the mismatch is that the premise of the model (gas production from a steady-state

collisional cascade) is not applicable. At least some of the observed systems might have their gas and dust produced

in a transient event such as a giant collision or a tidal disruption (e.g. Jackson et al. 2014; Kral et al. 2015; Cataldi

et al. 2018, 2020; Schneiderman et al. 2021). Unfortunately, there are no model predictions for the gas production

from such transient events. Naively, we might expect C-rich, CO-poor disks if most of the CO gas was injected into

the system in a short time and then photodissociated. Our sample is not well suited to find such systems because so

far, C I observations tended to be conducted for disks known to harbour CO.

6.1.7. Removal of C by planets or grain surface chemistry

We propose that C removal from the system by an additional process besides accretion onto the star could explain

the mismatch between models and observations. For example, carbon could be removed by accretion onto planets when

spreading viscously (Marino et al. 2020; Kral et al. 2020a). Here we concentrate on adsorption of C atoms onto dust

grains instead (Cataldi et al. 2020). We calculated the mean free time of C atoms between collisions with dust grains,

assuming a grain size distribution with a slope of -3.5 (Dohnanyi 1969; Tanaka et al. 1996), a minimum grain size equal

to the blowout size and a maximum grain size of 1 mm. The mm dust masses were collected from the literature. We

find mean free times of the order of 102–105 yr, which is short compared to the system ages. It is also shorter than the

viscous timescale tvis, even for α = 0.1 for which tvis & 105 yr. Therefore, adsorption could indeed be an important C

removal process. In fact, the adsorbed C atoms could be recycled into CO, which would both increase the model CO

masses and decrease the C0 masses, as required. Indeed, it was recently shown both theoretically and experimentally

that adsorbed C atoms can react with amorphous water ice to efficiently form formaldehyde (H2CO, Molpeceres et al.

2021; Potapov et al. 2021). Release of H2CO (or the intermediate product COH2) into the gas phase (for example by

photodesorption) and subsequent photodissociation would produce CO. Alternatively, H2CO can be transformed to

CO2 by UV photons (Potapov et al. 2021), which could then be released to the gas phase and photodissociated to CO.

However, the mechanism we propose here depends on the presence of water ice, and Grigorieva et al. (2007) showed

that UV sputtering might deplete water ice in debris disks. At the moment there is no clear detection of water ice

in debris disks, but some indirect observational evidence suggests that grains could be a least partially icy (e.g. Chen

et al. 2008; Lebreton et al. 2012; Morales et al. 2013, 2016). The James Webb Space Telescope (JWST) might be able

to detect water ice features towards debris disks the near future (Kim et al. 2019).

However, it remains to be seen whether introducing an additional C removal process to the models can indeed resolve

the discrepancy. Removing more C could simply make it more difficult to achieve a shielded state, merely resulting

in a smaller proportion of model systems with a large CO mass. But those model systems that manage to become

shielded might still have too much C0 compared to observations.

6.2. Comparison to thermo-chemical model

One possible way to distinguish primordial, H-rich gas from secondary, H-poor gas is to study the gas chemical

composition. However, chemical modelling by Smirnov-Pinchukov et al. (2022) showed that molecular emission (besides

CO) is expected to be undetectable regardless of the hydrogen content of the gas (with the possible exception of HCO+).

Therefore, we instead consider how the CO fraction (that is, the fraction of the total carbon that is in CO) can inform

us about the chemistry and hydrogen content of debris disk gas. To this end, we compare our results to the thermo-

chemical model by Iwasaki et al. (2023). They consider only A-stars, so we limit the discussion to the A-stars in our

sample. Iwasaki et al. (2023) compute the chemistry of debris disk gas using a photon-dominated region (PDR) code

(the Meudon code, Le Petit et al. 2006). The model solves for the thermal and chemical equilibrium of a stationary,

semi-infinite, plane-parallel slab of gas illuminated from one side. It considers various heating and cooling processes,

gas phase and grain surface chemistry as well as photo-ionisation, photo-dissociation and self-shielding, taking into

account the radiative transfer. In this model, there is no gas production from comets or gas loss from accretion onto

the star, and the dust mass (and dust surface) is constant. Thus, the setup is reminiscent of a primordial gas origin.

Iwasaki et al. (2023) fit an analytical formula to the CO fraction computed with their numerical model. The formula

is given by

n(CO)

nC
=
(

1 +
(
10−14η1.8 + 6 · 10−11η

)−1
)−1

(10)
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Table 10. The normalised flux of UV photons affect-
ing the CO (χCO) and OH (χOH) chemistry of debris
disk gas, evaluated at the midplane at r = rmean.

star χCO χext
CO χOH

(1) (2) (3) (4)

49 Ceti 3.0 5.1 × 10−3 1.7

β Pictoris 3.3 5.6 × 10−1 8.2 × 10−2

HD 21997 8.9 × 10−1 4.9 × 10−3 4.5 × 10−1

HD 32297 7.2 × 10−1 3.1 × 10−3 1.6 × 10−1

HD 95086 6.5 × 10−1 5.7 × 10−1 1.4 × 10−2

HD 110058 2.2 6.5 × 10−5 4.6

HD 121191 1.2 1.0 × 10−3 1.4

HD 121617 1.0 × 101 8.3 × 10−4 3.4

HD 131835 8.0 × 10−1 9.8 × 10−3 4.0 × 10−1

HR 4796 2.1 × 102 8.2 × 101 9.4

Note—(2) Normalised UV flux between 91.2 and
110 nm without extinction. (3) Same as (2), but
with extinction by C0 and CO. (4) Normalised UV
flux between 160 and 170 nm.

Here n(CO) is the CO number density, while nC is the number density of carbon nuclei (in practice nC ≈ n(CO) +

n(C0) + n(C+)). The parameter η is given by

η = nHZ
0.4χ−1.1 (11)

Here nH is the number density of H nuclei and Z is the gas metallicity, where Z = 1 corresponds to solar metallicity.

For a given metallicity Z, we can estimate nH using our observational results as

nH ≈
n(CO) + n(C0)

ZζC
(12)

where ζC = 1.32× 10−4 is the relative elemental abundance of C adopted by Iwasaki et al. (2023). We neglect n(C+)

in our estimation because it is generally poorly constrained by our fits. The parameter χ describes the strength of the

UV field. It is given by

χ =
√
χCOχOH (13)

where χCO and χOH are the normalised fluxes of UV photons in the wavelength ranges that are important for the

chemistry of CO (91.2–110 nm) and OH (160–170 nm). The normalisation constants are 1.2×107 cm−2 s−1 (the Habing

field) for χCO and 1012 cm−2 s−1 for χOH. Splitting out the contribution from the ISRF and the star gives

χCO =
χCO,ISRF

2
+ χCO,star(rmean) (14)

The factor 1/2 for χCO,ISRF accounts for the fact that the ISRF penetrates the modelled gas slab only from one

side. Iwasaki et al. (2023) find χCO,ISRF = 1.3. To compute χCO,star, we use ATLAS9 stellar atmosphere models

(Castelli & Kurucz 2003), with the exception of β Pic that observationally shows additional emission in the UV above

the predictions from a standard stellar atmosphere model. Therefore, we use a PHOENIX model as described in

Fernández et al. (2006) complemented with UV data from the Hubble Space Telescope (Roberge et al. 2000) and the

Far Ultraviolet Spectroscopic Explorer (Bouret et al. 2002; Roberge et al. 2006). χOH,star is computed in the same

way as χCO,star, while χOH,ISRF is negligible. In Table 10 we show the computed values of χCO and χOH.
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To account for UV extinction by C0 and CO, we follow Iwasaki et al. (2023) and multiply χCO,ISRF and χCO,star by

a shielding factor fshield. For χCO,ISRF, this shielding factor is given by

fshield = e−αCN⊥(C0)/2

(
1 +

(
N⊥(CO)/2

1014cm−2

)0.6
)−1

(15)

where N⊥ is the column density perpendicular to the disk midplane and αC is the carbon ionisation cross section. For

the latter we adopt the same value as Iwasaki et al. (2023): αC = 1.777 × 10−17 cm2 (Heays et al. 2017). The first

term in Equation 15 represents extinction by C0, while the second term is a function fitted by Iwasaki et al. (2023) to

the CO shielding factors tabulated in Visser et al. (2009). For the shielding factor for χCO,star, we replace N⊥/2 by

N‖(rmean), that is, the column density parallel to the disk midplane from the star to rmean. We note that χOH is not

affected by extinction. The values for χCOfshield = χext
CO are shown in Table 10.

We then compute the predicted CO fraction for all A-stars in our sample using equation 10 for metallicities ranging

from 1 (primordial gas) to 103 (high metallicity as expected for secondary gas). We emphasize that the high metallicity

case does not directly correspond to the secondary gas models that were discussed in the previous section, because

there is no CO production from comets included in the Iwasaki et al. (2023) model discussed here. Rather, the

high metallicity case would correspond to an equilibrium state that secondary gas would attain in the absence of gas

production from comets, for example if secondary gas was produced in a single burst rather than continuously.

The predicted CO fractions are shown with the blue lines in Fig. 11. We also show the CO fraction estimated

from our observations with black lines, where we again made the approximation nC ≈ n(CO) + n(C0). Note that for

HD 95086 and HR 4796, neither CO nor C I emission is detected and thus the CO fraction remains obsevationally

unconstrained.

We see that among the eight targets with an observationally constrained CO fraction, seven are consistent with the

predictions from the thermo-chemical models. For most of these objects, both low and high metallicity models are

consistent with the data. The only object clearly incompatible with the model predictions is β Pic where even for

a solar metallicity gas, the gas density is too low to sustain the observed CO fraction purely by chemistry. This is

consistent with the view that the gas in the disk around β Pic is currently produced from the destruction of cometary

material (e.g. Dent et al. 2014; Matrà et al. 2017a; Iwasaki et al. 2023).

In summary, we find that the CO fraction of the CO-rich debris disks around 49 Ceti, HD 21997, HD 32297,

HD 110058, HD 121191, HD 121617 and HD 131835 is consistent with the chemistry expected for a primordial

gas. However, the analytical formula we applied assumes a simplified geometry (plane-parallel slab) and a simplified

chemical network. Therefore, the uncertainties remain high and we do not interpret our results as a confirmation of

the primordial gas origin. Rather, our results encourage further investigation of the primordial scenario. The logical

next step would be to apply the full numerical model including a more realistic geometry to each of the disks presented

here. Iwasaki et al. (2023) already present such detailed models for β Pictoris and 49 Ceti, reaching conclusions similar

to ours: the disk around β Pic cannot be explained by steady-state chemistry, but the model can explain the disk

around 49 Ceti if Z=1–10.

6.3. Dependence of gas masses on the current gas production rate

If the gas is produced from the destruction of solid material in a steady-state collisional cascade, the current gas

production rate can be computed using the equations presented by Matrà et al. (2017b). The steady-state condition

implies that the rate at which mass is input to the cascade by catastrophic collisions of the largest bodies ṀDmax
equals

the sum of the rate at which CO and CO2 are outgassed ṀCO+CO2
and the rate at which mass is lost via radiation

pressure on the smallest grains ṀDmin :

ṀDmax
= ṀCO+CO2

+ ṀDmin
(16)

Assuming that CO and CO2 are outgassed before reaching the smallest grain size in the system, we have

ṀCO+CO2
= fCO+CO2

ṀDmax
(17)

where fCO+CO2
is the CO+CO2 fraction (by mass) of the colliding bodies. Combining these two equations yields

ṀCO+CO2
= ṀDmin

fCO+CO2

1− fCO+CO2

(18)
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Figure 11. Comparison of observed and predicted CO fraction. The blue lines show the CO fraction predicted using the model
by Iwasaki et al. (2023) as a function of gas metallicity Z (equation 10). The black lines show the CO fraction estimated from
our observations (for HD 21997 the 99% upper limits is shown, while for HD 110058, the 1% lower limit is shown). Note that for
HD 110058 and HD 121191, the black and blue lines overlap. Gray shading indicates the observationally allowed region (15.9th
to 84.1th percentile or the region below/above an upper/lower limit). For HD 95086 and HR 4796 where neither CO nor C I

emission is detected, the CO fraction is observationally unconstrained.

However, Matrà et al. (2017b) show that ṀDmin
can be estimated from observable quantities as follows:

ṀDmin = 1.2× 103R1.5∆R−1f2L∗M
−0.5
∗ (19)
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Figure 12. The CO (left) and C0+CO (right) masses as a function of the current CO+CO2 gas production rate ṀCO+CO2 .
The error bars on ṀCO+CO2 represent the range of fCO+CO2 between 0.8% and 80%. The data points are colored by the age
(left) and effective temperature (right) of the host star. Upper and lower limits are marked by upward and downward triangles.

where R (in au) is the belt radius, ∆R (in au) the belt width, f the fractional luminosity, L∗ (in L�) the stellar

luminosity, M∗ (in M�) the stellar mass and ṀDmin
is in M⊕Myr−1.

Naively, we might expect that the current gas production rate ṀCO+CO2
should correlate with the observed gas

mass of a disk. However, this is not the case, as can be seen in Fig. 12 showing the observed CO and CO+C0 masses

as a function of ṀCO+CO2
. We follow Matrà et al. (2019b) and consider a range of possible CO+CO2 mass fractions

fCO+CO2
between 0.8% and 80%. Fig. 12 demonstrates that ṀCO+CO2

is not a good predictor for gas-rich debris disks.

Fig. 12 also shows that stellar age is not the dividing factor between gas-rich and gas-poor systems. On the other

hand, the host stars of gas-rich disks tend to have higher effective temperatures in our sample. This reflects the fact

that gas-rich disks have so far only been found around A-type stars, but a more detailed interpretation is complicated

because of the biases in our sample.

As pointed out by Marino et al. (2020), it is theoretically expected that the gas viscous evolution is slower than the

steady-state collisional evolution of the dust. Thus, the gas can retain a memory of previous states, and therefore the

gas content depends on the time-integrated gas production rate of the disk rather than the current rate. Furthermore,

a steady-state collisional cascade has the interesting property that the mass at late times (i.e. at times exceeding the
collisional timescale of the largest planetesimal in the cascade) is independent of the initial disk mass, because massive

disks process their mass faster (Wyatt et al. 2007). In other words, two disks with the same current mass loss rate

(and therefore the same ṀCO+CO2
) can potentially have strong differences in their mass loss rate history, and thus

gas content.

6.4. Winds instead of Keplerian disks?

Kral et al. (2023) discuss the conditions that determine whether debris disk gas is in Keplerian rotation or in an

outflowing wind. They find that for L∗ > 20L�, a wind driven by the stellar radiation is expected. For lower

luminosities, the gas is in Keplerian rotation as long as the gas density is larger than a critical density ncrit. For

n < ncrit, a wind driven by the stellar wind is expected. The critical density is given by

ncrit ≈ 7cm−3

(
∆r

50au

)−1(
αX

αCO

)−2/3

(20)

where ∆r = rout − rin and αX is the polarisability of species X.

Among the stars we consider here, only HR 4796 has a luminosity larger than 20 L�. We thus expect a radiative

wind in this system. Gas removal with the wind might be the reason why we do neither detect CO nor C I emission
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from this system. For the other disks, we compared the critical density and the observationally estimated density

for CO and C0. We classify a disk as being in the wind regime if both CO and C0 have densities smaller than ncrit.

This is the case for the disks around HD 48370, HD 61005 and HD 95086, all of which remain undetected in both

CO and C I. Furthermore, the data allow either regime for the disks around HD 146897 and HD 181327. Despite

assuming that the gas is in Keplerian rotation (Sect. 4), our model still gives the correct total line flux for a given

gas mass even in the wind regime, because the emission for low gas density disks is optically thin. However, our flux

measurements are affected by our assumption of a Keplerian disk. Indeed, line emission from a wind would come from

a different spatial region, although the solid angle of that region should be roughly comparable to the Keplerian case.

Furthermore, wind emission should extend over a significantly larger velocity range (Kral et al. 2023). We may roughly

estimate the factor by which our upper limits on the line emission (and therefore gas mass) should be increased if gas

emission arises from a wind. This factor is given by fwind =
√

∆vwind/∆v where ∆v is the size of the velocity range

over which the integrated flux was measured and ∆vwind is the velocity range over which wind emission arises. Using

∆vwind = 20 km s−1 (Kral et al. 2023), we find fwind ≤ 2.3 for the three disks in the wind regime mentioned above.

Such a small increase of the upper limits is inconsequential for our analysis.

6.5. Outlook: investigating the spatial dimension

To facilitate a uniform and simple analysis, we have integrated over the spatial and spectral dimension of our data,

that is, we compared our model to a single number extracted from the data: the disk-integrated flux. Our approach

assumed that all the tracers we consider (CO, C0 and C+) are co-spatial and well-mixed. As far as we can tell from

the available images, co-spatiality is a reasonable assumption to derive the total gas masses. Indeed, the CO and C I

emission morphologies look generally rather similar. For example, the emission of both CO and C I appear centrally

peaked and with a similar radial extent for HD 21997 (Fig. 1). Similarly, both CO and C I show a ring morphology

for HD 121617 (see Fig. 3 for C I and Fig. 1 in Moór et al. (2017) for CO).

However, the fact that a significant fraction of our targets are spatially (and spectrally) resolved clearly suggests a

path for future work that will model the data in its entirety (such as was performed by e.g. Kral et al. 2019; Cataldi

et al. 2020) to compare the spatial distribution of the different gas tracers and the dust continuum. For example, to

test the secondary gas production scenario, one could investigate whether the gas has viscously spread with respect

to its production location traced by the dust continuum. Similarly, C0 could be more spread out than CO, since the

latter can only exist in regions with a high C0 column density (e.g. Marino et al. 2020). Comparing the morphologies

of different disks could also be instructive. For example, the ring morphology of the C I emission towards HD 121617

(Fig. 3) seems inconsistent with a disk that has viscously spread all the way to the star (accretion disk), although

detailed modelling is required to exclude the possibility of an accretion disk that is ionised and thus not observable

in C I in the inner region. Cataldi et al. (2020) also concluded that there is no accretion disk morphology for the

edge-on HD 32297 disk. In that latter case, the velocity information was used to constrain the inner disk regions.

Several possible mechanisms could prevent the gas from accreting, for example planets (Marino et al. 2020). On the

other hand, the disk around HD 21997 is centrally peaked in both CO and C I, while the dust continuum shows a ring

morphology (see Fig. 1 and Kóspál et al. 2013; Moór et al. 2013b). This disk might be consistent with the picture

where gas is produced in a planetesimal belt and then accretes onto the star. Finally, we note that disks produced

from transient events (e.g. giant collisions) are expected to show asymmetries (e.g. Jackson et al. 2014; Kral et al.

2015; Jones et al. 2023), providing another motivation to study the spatial distribution of the gas and dust.

7. SUMMARY

In this work, we studied the C and CO gas content of a sample of 14 debris disks using new and archival ALMA

data of C I and CO emission, complemented by C II data from Herschel. This expands the number of disks with

ALMA measurements of both C I and CO by ten disks. We present new detections of C I emission towards HD 21997,

HD 121191 and HD 121617. We measure disk-integrated line fluxes and employ a simple disk model to derive masses

and column densities in a uniform way, using both LTE and non-LTE calculations. We found that our sample can be

divided into two groups: CO-rich disks with M(CO) > 10−3 M⊕ and CO-poor disks with M(CO) . 10−4 M⊕. For

all disks where both the CO and C0 are well constrained, M(CO) & M(C0), with the notable exception of the disk

around β Pic. We do not find any CO-poor disks with a large (M(C0) & 10−3 M⊕) C0 mass.

We compare the C0 and CO masses and column densities to the state-of-the-art models of secondary gas production

from a steady-state collisional cascade (Marino et al. 2020). We find that the models overpredict the C0 content of
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debris disk gas. We discuss possible explanations for the discrepancy. We suggest additional C removal by grain

surface chemistry as a possible scenario, but new model calculations are needed for confirmation. Our results might

also indicate that for some disks the gas originated in a transient event (for example a giant collision or tidal disruption

event) rather than in a steady-state collisional cascade. Our work does not exclude the secondary scenario, but suggests

that the models need to be refined to explain the gas content of CO-rich debris disks.

We also compared our results to the thermo-chemical model by Iwasaki et al. (2023). This PDR model determines

the thermal and chemical equilibrium of a plane-parallel slab of gas subject to the stellar and interstellar UV fields.

There is no gas production by comets, nor gas removal by accretion in this model. For low metallicity, this model

therefore mimics a primordial gas origin. We use the analytical formula calibrated by numerical simulations presented

by Iwasaki et al. (2023) to compute the predicted CO fraction of the gas and compare it to the observed CO fraction

(approximated as n(CO)/(n(CO) + n(C0))). Among the eight targets in our sample for which the comparison is

possible, seven show a CO fraction consistent with the model predictions. The only target clearly inconsistent with

the model is β Pic, which confirms that the gas in the β Pic disk is secondary. Although promising, this comparison

is based on a simplified geometry and chemical network, and therefore more detailed modelling is required before

concluding on the possibility of a primordial origin. Future work should apply the full numerical model, including a

more realistic geometry, to our targets, as is already presented for two disks in Iwasaki et al. (2023).

Our work shows that observations of C are crucial to complement CO data in order to constrain current models of

debris disk gas. Future work should consider a more well-defined sample of disks, such as the volume-limited sample

of dust-rich debris disks around young A-type stars by Moór et al. (2017). A well-defined sample would help to better

understand the statistical properties of the gaseous debris disk population.
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APPENDIX

A. CONTINUUM FLUXES

Table 11 presents the continuum fluxes we measured.

Table 11. Measured continuum fluxes.

star frequency flux observation ID

[GHz] [mJy]

49 Ceti 225 4.2 ± 0.4 2016.2.00200.S, 2018.1.01222.S

HD 21997 487 9.0 ± 1.7 2018.1.00633.S, 2019.1.01175.S

HD 48370 225 2.5 ± 0.4 2016.2.00200.S

487 9.5 ± 4 (<21) 2019.2.00208.S

HD 61005 222 4.3 ± 0.5 2012.1.00437.S

487 37 ± 4 2019.1.01603.S

HD 95086 108 0.34 ± 0.04 2016.A.00021.T

231 2.5 ± 0.3 2013.1.00612.S, 2013.1.00773.S

339 4.0 ± 0.8 2016.A.00021.T

487 5.8 ± 1.7 2019.1.01175.S

HD 110058 226 0.48 ± 0.05 2018.1.00500.S

233 0.48 ± 0.05 2012.1.00688.S, 2018.1.00500.S

338 1.27 ± 0.13 2018.1.00500.S

487 2.4 ± 0.3 2019.1.01175.S

HD 121191 487 1.0 ± 0.2 2019.1.01175.S

HD 121617 487 9.9 ± 1.1 2019.1.01175.S

HD 131835 324 5.1 ± 0.5 2013.1.01166.S

351 6.1 ± 0.6 2013.1.01166.S

HD 146897 488 5.8 ± 1.0 2018.1.00633.S

HD 181327 341 12.6 ± 1.3 2015.1.00032.S

487 48 ± 5 2016.1.01253.S

HR 4796 487 36 ± 4 2017.A.00024.S

683 91 ± 11 2016.A.00010.S

B. ROBUSTNESS TESTS

Here we discuss how our LTE results depend on the choice of temperature prior and line width.

B.1. Separating the temperatures of C0 and C+

For the targets with C II data, we ran additional LTE fits where the temperatures of C0 and C+ are separated. In

other words, instead of two temperatures, we now consider three temperatures for CO, C0 and C+, where we impose

TCO < TC0 < TC+ . We find that, with the exception of TC0 for 49 Ceti, the C0 and C+ temperatures are not well

constrained. Compared to the fits with two temperatures, we do not find any significant differences in the derived gas

masses.
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B.2. Line width

For our standard LTE fits, we assumed a square line profile with a fixed width of 0.5 km s−1. We performed additional

MCMC runs where we changed the line width. When decreasing the line width to 0.1 km s−1, the derived CO masses

change significantly (i.e. beyond their error bars) for HD 21997 (decrease by a factor ∼2), HD 121617 (increase by a

factor ∼2) and HD 131835 (decrease by a factor ∼2). These models reproduce the data similarly well as the standard

fits. For the other disks, the masses remain within the error bars.

When instead increasing the line width to 2 km s−1, we observe the following significant changes. For 49 Ceti, the C0

mass decreases by a factor ∼3, but the model provides a significantly worse fit to the 13C I emission. For HD 21997, the

CO mass decreases by two orders of magnitude, but the model provides a much worse fit to the 13CO and C18O data.

For HD 121617, the CO mass decreases by a factor ∼1.5 while the fit quality remains unchanged. For HD 131835, the

CO mass decreases by about two orders of magnitude, but the model provides a much worse fit to the 13CO and C18O

data. For the other disks, no significant changes are observed. In conclusion, these tests confirm that a line width of

0.5 km s−1 is a reasonable choice.

B.3. Temperature prior

For our standard LTE fits, we assumed flat priors for the CO and C temperatures between 10 and 200 K (Table 3).

Here we perform additional MCMC runs where we changed the limits of the temperature priors. If we increase the

lower limit to 20 K, the derived CO and C0 masses do not change significantly, except for β Pic, HD 21997 and

HD 131835 for which the standard fit indicates a CO temperature below 20 K. However for these three disks (as well

as 49 Ceti which also has a CO temperature below 20 K in the standard fit), models with TCO ≥ 20 K provide a

significantly worse fit to the observed fluxes. This result strengthens our choice of 10 K as the lowest temperature.

When decreasing the upper limit of the temperature priors from 200 to 100 K, the derived CO and C0 masses do

not change significantly.

C. DISCUSSION OF INDIVIDUAL TARGETS

In this section we discuss our results for the individual targets of our sample and how they compare to previous

studies.

C.1. 49 Ceti

The edge-on, gas-rich debris disk around 49 Ceti has been the subject of multiple detailed studies over the past years

(some of the more recent work includes Higuchi et al. 2019a,b; Moór et al. 2019; Pawellek et al. 2019; Higuchi et al.

2020; Klusmeyer et al. 2021). Hughes et al. (2017) presented two non-LTE models of the CO disk around 49 Ceti

with CO/H2 abundances of 10−4 (representing a primordial gas) and 1 (representing a secondary gas). They used

observations of 12CO 2–1 and 3–2 from the SMA and ALMA respectively. These models yield CO masses of 10−3.8

and 10−3.5 M⊕ respectively, more than an order of magnitude smaller than our CO mass (10−2.15 M⊕). A similar
discrepancy applies to the column density derived by Nhung et al. (2017) based on 12CO 3–2. We find that the 12CO

2–1 and 3–2 emission is strongly optically thick (τ ∼ 120), while Hughes et al. (2017) concluded that it is optically

thin. A key difference is that we have CO isotopologue data available, while Hughes et al. (2017) were relying on
12CO data only. To test the influence of the CO isotopologue data, we ran additional non-LTE fits (with H2 collisions)

considering only our 12CO data. In that case, we are only able to derive a lower limit on the CO mass (> 10−3.4 M⊕)

because of the high 12CO optical depth.

On the other hand, when including the isotopologue data, our results are roughly consistent with the mass determined

by Moór et al. (2019, 10−2.0 M⊕), but an order of magnitude lower than the lowest value given by Higuchi et al. (2020,

10−1.2 M⊕). Both of these works included CO isotopologues. This highlights the importance of CO isotopologue

observations in determining accurate CO masses: the 13CO and C18O masses can be determined accurately thanks

to their optically thin emission. The total CO mass then follows from our assumption that the 12CO/13CO and
12CO/C18O ratios are equal to the C isotope ratios in the ISM. We note, however, that our work and the analysis by

Moór et al. (2019) and Higuchi et al. (2020) are based on disk-integrated fluxes, while Hughes et al. (2017) modelled

spatially and spectrally resolved data with a 3D disk model. Thus, part of the difference in the mass estimates might

also be explained by model differences.

Our CO temperature appears well constrained at 15–17 K for both the LTE and non-LTE model, indicating a low

gas temperature. This is consistent with the results by Higuchi et al. (2020, 8–11 K) and Hughes et al. (2017, 14 K at
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100 au for their model that assumes CO/H2 = 1). As discussed by Higuchi et al. (2020), such a low gas temperature

might not be unreasonable, although more theoretical modelling considering the heating and cooling processes of the

gas (e.g. Zagorovsky et al. 2010; Kral et al. 2016, 2019) is required. We note that the dust temperature has been

measured to be 59 K (Holland et al. 2017), that is, above the CO freeze-out temperature of 20 K (e.g. Yamamoto

2017). Therefore, we do not expect CO freeze-out to occur even though the gas temperature is low. The model by

Kral et al. (2019) showed that Tdust > Tgas can indeed occur in debris disks. Similarly, the thermo-chemical debris

disk model (PDR model) by Iwasaki et al. (2023) also gives a gas temperature below the dust temperature.

For C0, the temperature of ∼24 K as well as the column density we derive are consistent with the results by Higuchi

et al. (2019a). The fact that TCO < TC might suggest that C and CO occupy different layers in the disk. The C+

mass is not well constrained because of high optical depth at low temperature, as was already found by Roberge et al.

(2013) who derived a lower limit consistent with our result.

C.2. β Pictoris

The edge-on disk around β Pictoris is amongst the best-studied debris disks. It hosts two giant planets, β Pic b

(Lagrange et al. 2009) and β Pic c (Lagrange et al. 2019). The system shows time-variable absorption features (e.g.

Beust et al. 1998; Kiefer et al. 2014; Welsh & Montgomery 2016) and transit events (Zieba et al. 2019; Lecavelier des

Etangs et al. 2022; Pavlenko et al. 2022) attributed to exocomet activity. The debris disk can be traced out to ∼2000 au

in scattered light (Janson et al. 2021), while the mm-sized dust grains are located in a ring centred at ∼100 au (Dent

et al. 2014).

Gas emission is detected from CO (e.g. Dent et al. 2014; Matrà et al. 2017a), C I (Cataldi et al. 2018), C II (Cataldi

et al. 2014), O I (Brandeker et al. 2016) as well as various heavier elements such as Fe I, Na I and Ca II (Brandeker

et al. 2004; Nilsson et al. 2012). Various atomic lines are also seen in absorption (e.g. Lagrange et al. 1998; Roberge

et al. 2006), including nitrogen (Wilson et al. 2019) and hydrogen (Wilson et al. 2017), where the latter is hypothesised

to come from the dissociation of water originating from evaporating exocomets.

The masses we derive are consistent with the results by Matrà et al. (2017a, CO), Cataldi et al. (2018, C0) and

Cataldi et al. (2014, 2018, C+). The disk around β Pic is the only disk in our sample where we can be sure that the

C0 mass ((1.4+0.4
−0.3)× 10−4 M⊕) is clearly larger than the CO mass ((4.8+1.2

−1.4)× 10−5 M⊕).

The C temperature is not well constrained by our fits. On the other hand, the CO temperature we derive under the

LTE assumption (11.8+2
−1.1 K) is in general significantly lower than previous estimates from the literature. Indeed, the

theoretical model by Zagorovsky et al. (2010) predicts a gas temperature of ∼60 K at 100 au. Kral et al. (2016) derived

a temperature of 50 K (at 100 au) from a PDR model fitted to CO, C I and C II data. Matrà et al. (2017a) empirically

derive ∼160 K (again at 100 au) from the CO scale height. However, our temperature is consistent with the excitation

temperature derived by Matrà et al. (2017a) from the CO 3–2/2–1 line ratio. It is also roughly consistent with the

rotational excitation temperature of 15.8± 0.6 K measured by Roberge et al. (2000) from CO absorption. Therefore,

our low temperature likely indicates that CO is not in LTE (Matrà et al. 2017a), and therefore that this temperature

does not correspond to the kinetic temperature.

C.3. HD 21997

The debris disk around HD 21997 is among the disks with the highest CO masses in our sample. The disk served as

a prototype for the proposed class of “hybrid disks”, that is, disks where secondary dust and primordial gas co-exist

(Kóspál et al. 2013). ALMA observations of the CO emission were presented by Kóspál et al. (2013), who found that

the gas and dust are not co-located: there is a dust-free inner gas disk. If the gas was secondary, then this would

suggest viscous spreading of the gas with respect to the dust (Kral et al. 2019; Marino et al. 2020).

Compared to the CO analysis by Kóspál et al. (2013) and Higuchi et al. (2020) that included 12CO 2–1 and 3–2,
13CO 2–1 and 3–2, and C18O 2-1, we added observations of C18O 3-2 (as well as additional observations of 13CO 3–2).

The disk around HD 21997 thus has the most CO lines observed in our sample. We also publish the first measurements

of C I and C II, and thus the masses of C0 and C+ are constrained for the first time in this paper.

Our derived CO masses of 4.8+0.8
−0.9 × 10−2 M⊕ (LTE) and 6.8+7

−1.9 × 10−2 M⊕ (non-LTE, H2 colliders) are consistent

with the ranges reported by Kóspál et al. (2013, 4–8×10−2 M⊕) and Higuchi et al. (2020, 5.5–85×10−2 M⊕). There is

also agreement in the low temperature of the gas: we derive ∼10 K (the lowest temperature allowed in our fits), while

Kóspál et al. (2013) and Higuchi et al. (2020) derive 6–9 K and 8–12 K, respectively.
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C.4. HD 32997

The debris disk around HD 32297 has been studied extensively in scattered light (Bhowmik et al. 2019; Duchêne

et al. 2020, to cite some recent work), in the far-IR with Herschel (Donaldson et al. 2013) and in the sub-mm/mm

regime (e.g. MacGregor et al. 2018). We derive a CO mass of 5.2+1.7
−1.5 × 10−2 M⊕, consistent with the value derived by

Moór et al. (2019). This is the largest CO mass in our sample and about two orders of magnitude larger than the CO

mass derived by MacGregor et al. (2018). As for 49 Ceti, the reason for this discrepancy is that our work and Moór

et al. (2019) include CO isotopologue data, in contrast to MacGregor et al. (2018).

This disk is also detected in C I (Cataldi et al. 2020) and C II (Donaldson et al. 2013). Our estimate of the C0 mass

is consistent with the value derived by Cataldi et al. (2020) and roughly one order of magnitude smaller than the CO

mass. Unfortunately, the C+ mass is not well constrained due to high optical depth at low temperature.

C.5. HD 48370, HD 61005, HD 95086, HR 4796

The debris disks around HD 48370, HD 61005, HD 95086 and HR 4796 are the disks in our sample that remain

undetected in both CO and carbon. Our LTE upper limit on the CO mass in the HD 61005 disk is a factor of ∼6

higher than the value derived by Olofsson et al. (2016) assuming optically thin emission and LTE. Since Olofsson et al.

(2016) did not publish the line flux upper limit they used for their estimate, it is difficult to find the reason for this

difference. For HR 4796, our LTE upper limit on the CO mass is roughly consistent with the upper limit derived by

Kennedy et al. (2018). Comparing instead to the LTE and non-LTE results by Kral et al. (2020b), our LTE upper

limit is about an order of magnitude more constraining, while the higher non-LTE upper limit is roughly consistent

with their derivation.

The derived upper limits show that these disks all have a CO content smaller than β Pic. The same is true for

C0, except maybe for HD 95086 where the upper limit on the C0 mass is relatively high. The two G-stars HD 48370

and HD 61005 are the two coolest stars in our sample. Matrà et al. (2019a) suggested that for a fixed fractional

luminosity, the production rate of secondary CO gas is proportional to the stellar luminosity, which might be the

reason why we do not detect any gas. Moreover, these two stars are also among the oldest (∼40 Myr) in our sample,

which might be another reason. HD 95086 does not stand out in any particular way in our sample in terms of stellar

effective temperature, age, or fractional luminosity. On the other hand, HR 4796 has the highest effective temperature

(spectral type A0, Houk 1982) and is the youngest system (8 Myr) in our sample. Kennedy et al. (2018) suggest that

the non-detection of CO emission cannot be solely explained by the intense UV radiation field of an A0 star that

limits the lifetime of CO molecule to 40 years or less. In addition, the planetesimals in the HR 4796 system need to be

CO-poor, with a CO+CO2 ice mass fraction of <1.8%, which is smaller than solar system comets. It is indeed possible

that the planetesimals we observe today at a radius of ∼80 au formed interior to the CO snowline, due to the high

luminosity of HR 4796 (Marino et al. 2020). From Fig. 1 in Matrà et al. (2018a), the CO snowline in the HR 4796

protoplanetary disk could have been located as far out as ∼100 au. On the other hand, if the CO emission is not in

LTE, the CO upper limit becomes less constraining and the planetesimals could have a CO+CO2 content similar to

or even larger than solar system comets (Kral et al. 2020b). Another reason for the absence of gas emission from the

HR 4796 system could be that gas is removed by radiation pressure, because the luminosity of HR 4796 is larger than

20 L� and therefore a wind driven by the stellar radiation can be expected (Kral et al. 2017, 2023).

C.6. HD 110058

The edge-on debris disk around HD 110058 was discovered by Kasper et al. (2015) in scattered light. The disk

shows absorption features most probably due to hot circumstellar gas (Hales et al. 2017; Iglesias et al. 2018; Rebollido

et al. 2018). Emission from 12CO and 13CO has been detected (Lieman-Sifry et al. 2016; Hales et al. 2022). Hales

et al. (2022) derive a CO mass of log(MCO [M⊕]) = −1.16+1.72
−0.77 (95% credible interval), consistent with our −2.03+0.14

−0.12.

However, Hales et al. (2022) derive a significantly lower CO temperature (∼18 K at the radius of the debris belt,

compared to our ∼100 K). They consider a power law for the radial temperature dependence, which is likely more

realistic than our assumption of a constant temperature.

We present the first observations of C I towards this target. No C I emission was detected. This is an interesting

result: among the disks with a high CO mass (see Fig. 8), HD 110058 is the only one without C I detected. Hales et al.

(2022) applied the Marino et al. (2020) secondary gas model to the debris disk around HD 110058 and successfully

reproduced the observed CO mass. However, they predict a C0 mass of ∼10−2 M⊕, which exceeds our upper limit of

M(C0) < 3.2× 10−4 M⊕. Thus, our data allow us to exclude their secondary gas model.
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C.7. HD 121191

The debris disk around HD 121191 was first identified by Melis et al. (2013). The disk shows strong CO emission

(Moór et al. 2017). The CO mass we derive is consistent with the masses published by Moór et al. (2017) and the LTE

mass by Kral et al. (2020b), but our lower limit on the non-LTE CO mass is ∼30% larger than the largest non-LTE

mass derived by Kral et al. (2020b). Our work presents the first detection of C I towards this target. We find that the

C0 mass is about an order of magnitude smaller than the CO mass.

C.8. HD 121617

Dust emission from the debris disk around HD 121617 was first reported by Mannings & Barlow (1998), while CO

emission was first detected by Moór et al. (2017), who estimated a CO mass roughly consistent with our results. Our

work presents the first detection of C I emission. Similarly to HD 121191, the C0 mass is smaller than the CO mass

by roughly an order of magnitude.

C.9. HD 131835

The debris disk around HD 131835, first detected by Moór et al. (2006), is known to show 12CO (Moór et al. 2015b;

Lieman-Sifry et al. 2016; Hales et al. 2019) and C I (Kral et al. 2019) emission. For our model, we use additional

observations of 13CO and C18O that will be presented in more detail in Moor (in prep.). Compared to the CO mass

published by Moór et al. (2017, ∼3.8 × 10−2 M⊕ after correcting for the updated distance of the target), we find a

CO mass roughly a factor of 2 smaller (∼1.7 × 10−2 M⊕). On the other hand, our CO mass is larger by a factor ∼4

compared to the CO mass derived by Hales et al. (2019) with a 2D thermo-chemical model (4.6×10−3 M⊕), potentially

because Hales et al. (2019) did not consider the CO isotopologue data and/or because they assumed that the dust

temperature equals the gas temperature.

Our C0 mass is consistent with the value derived by Kral et al. (2019), although the mass is not well constrained

due to optical depth and could be much higher if the gas temperature is low (see the corresponding corner plots in

Figures 43 and 57).

C.10. HD 146897

The edge-on debris disk around HD 146897 has been resolved at both mm wavelengths with ALMA (Lieman-Sifry

et al. 2016) as well as scattered light (e.g. Goebel et al. 2018). The disk shows CO emission (Lieman-Sifry et al. 2016)

as well as absorption by hot circumstellar gas (Rebollido et al. 2018). In this work we present ACA observations of C I

that did not detect any emission. Thus, HD 146897 is another example of a disk with CO where no C I was detected,

although it might be less surprising than in the case of HD 110058 because 1) the CO mass is likely much smaller

(although it could be large if the temperature is low as can be seen in the corner plots in Figures 31, 44 and 58) and

2) the ACA C I observations are much less sensitive.

C.11. HD 181327

HD 181327 is a member of the β Pictoris moving group and hosts a thin debris ring that exhibits weak CO emission

(Marino et al. 2016). We derive a small CO mass of ∼2 × 10−6 M⊕, consistent with the analysis by Marino et al.

(2016).

Among the disks with a CO detection in our sample, this disk has by far the smallest CO mass (about 1.5 orders

of magnitude smaller than the second smallest CO mass found in the β Pic debris disk). There are other debris disks

with similarly small CO masses such as Fomalhaut (Matrà et al. 2017b) or TWA 7 (Matrà et al. 2019a), but they were

not included in our sample due to a lack of C I data. In this work we present the first observations of C I towards

HD 181327. The line remains undetected, as does C II (Riviere-Marichalar et al. 2014).

D. MOMENT 0 MAPS

Figures 13 to 21 show the moment 0 and continuum maps that we used to measured disk-integrated fluxes and that

were not shown in the main text.

E. CORNER PLOTS

E.1. LTE fits

In Figures 22 to 33 we show the corner plots of the LTE fits that were not shown in the main text.
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Figure 13. Moment 0 and continuum maps used for flux measurements for the disk around 49 Ceti. The noise and contour
levels are indicated in the upper right of each image. The beam size is indicated by the hatched ellipse in the bottom left. The
stellar position is marked by the red cross. The orange contours mark the aperture used to measure the flux.

E.2. Non-LTE fits with H2 as collider

In Figures 34 to 46 we show the corner plots of the non-LTE fits with H2 colliders (for HD 21997, the corner plot

was already shown in the main text in Fig. 7).

E.3. Non-LTE fits with e− as collider

In Figures 47 to 60 we show the corner plots of the non-LTE fits with electron colliders.
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A&A, 630, A85, doi: 10.1051/0004-6361/201936076

Booth, M., del Burgo, C., & Hambaryan, V. V. 2021,

MNRAS, 500, 5552, doi: 10.1093/mnras/staa3631

Booth, M., Dent, W. R. F., Jordán, A., et al. 2017,

MNRAS, 469, 3200, doi: 10.1093/mnras/stx1072
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Figure 14. Same as Fig. 13, but for HD 48370.
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Figure 15. Same as Fig. 13, but for HD 61005.
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Figure 16. Same as Fig. 13, but for HD 95086. Note the continuum source in the north-east part of the disk (probably a
submillimetre background galaxy, Zapata et al. 2018) that was excluded from the flux measurement.
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Figure 17. Same as Fig. 13, but for HD 110058. There is an offset for 12CO 2–1 between the disk center and the expected
position of the star.
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921, 56, doi: 10.3847/1538-4357/ac1583
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Figure 18. Same as Fig. 13, but for HD 131835. There might be slight offset between the disk center and the expected stellar
position for 13CO 3–2 and C18O 3–2.
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Figure 19. Same as Fig. 13, but for HD 146897.
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Figure 20. Same as Fig. 13, but for HD 181327.
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Figure 21. Same as Fig. 13, but for HR 4796.
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Figure 22. Corner plot showing posterior probability distributions derived assuming LTE, for the disk around 49 Ceti. In the
1D histograms, the black vertical dashed lines indicate the 16th, 50th and 84th percentile. In the 2D histograms, the black,
blue and green contours mark the 50th, 90th and 99th percentile. Red dashed lines mark the upper or lower bound of the prior
distribution.
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Figure 23. Same as Fig. 22, but for the disk around β Pic.
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Figure 24. Same as Fig. 22, but for the disk around HD 21997.
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Figure 25. Same as Fig. 22, but for the disk around HD 61005.
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Figure 26. Same as Fig. 22, but for the disk around HD 95086.
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Figure 27. Same as Fig. 22, but for the disk around HD 110058.
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Figure 28. Same as Fig. 22, but for the disk around HD 121191.
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Figure 29. Same as Fig. 22, but for the disk around HD 121617.
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Figure 30. Same as Fig. 22, but for the disk around HD 131835.
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Figure 31. Same as Fig. 22, but for the disk around HD 146897.
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Figure 32. Same as Fig. 22, but for the disk around HD 181327.



63

7.5
6.0
4.5
3.0

lo
gM

(C
0 )

 [l
og

M
]

7.5
5.0
2.5
0.0

lo
gM

(C
+

) [
lo

gM
]

0
60

12
0

18
0

T C
O 

[K
]

8.0 7.2 6.4 5.6

log M(CO) [log M ]

0
60

12
0

18
0

24
0

T C
 [K

]

7.5 6.0 4.5 3.0

log M(C0) [log M ]
7.5 5.0 2.5 0.0

log M(C + ) [log M ]

0 60 12
0

18
0

TCO [K]

0 60 12
0

18
0

24
0

TC [K]

HR 4796 (LTE)

Figure 33. Same as Fig. 22, but for the disk around HR 4796.
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Figure 34. Corner plot showing posterior probability distributions for the non-LTE case with H2 collisions for the disk around
49 Ceti. In the 1D histograms, the black vertical dashed lines indicate the 16th, 50th and 84th percentile. In the 2D histograms,
the black, blue and green contours mark the 50th, 90th and 99th percentile. Red dashed lines mark the upper or lower bound
of the prior distribution.
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Figure 35. Same as Fig. 34, but for the disk around β Pic.
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Figure 36. Same as Fig. 34, but for the disk around HD 32297.
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Figure 37. Same as Fig. 34, but for the disk around HD 48370.
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Figure 38. Same as Fig. 34, but for the disk around HD 61005.
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Figure 39. Same as Fig. 34, but for the disk around HD 95086.
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Figure 40. Same as Fig. 34, but for the disk around HD 110058.
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Figure 41. Same as Fig. 34, but for the disk around HD 121191.
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Figure 42. Same as Fig. 34, but for the disk around HD 121617.
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Figure 43. Same as Fig. 34, but for the disk around HD 131835.
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Figure 44. Same as Fig. 34, but for the disk around HD 146897.
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Figure 45. Same as Fig. 34, but for the disk around HD 181327.
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Figure 46. Same as Fig. 34, but for the disk around HR 4796.
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Figure 47. Corner plot showing posterior probability distributions for the non-LTE case with electron collisions for the disk
around 49 Ceti. In the 1D histograms, the black vertical dashed lines indicate the 16th, 50th and 84th percentile. In the 2D
histograms, the black, blue and green contours mark the 50th, 90th and 99th percentile. Red dashed lines mark the upper or
lower bound of the prior distribution.
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Figure 48. Same as Fig. 47, but for the disk around β Pic.
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Figure 49. Same as Fig. 47, but for the disk around HD 21997.
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Figure 50. Same as Fig. 47, but for the disk around HD 32297.
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Figure 51. Same as Fig. 47, but for the disk around HD 48370.
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Figure 52. Same as Fig. 47, but for the disk around HD 61005.
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Figure 53. Same as Fig. 47, but for the disk around HD 95086.
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Figure 54. Same as Fig. 47, but for the disk around HD 110058.
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Figure 55. Same as Fig. 47, but for the disk around HD 121191.
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Figure 56. Same as Fig. 47, but for the disk around HD 121617.
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Figure 57. Same as Fig. 47, but for the disk around HD 131835.
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Figure 58. Same as Fig. 47, but for the disk around HD 146897.
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Figure 59. Same as Fig. 47, but for the disk around HD 181327.
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ABSTRACT

Stellar streams form through the tidal disruption of satellite galaxies or globular clusters orbiting a

host galaxy. Globular cluster streams are of particular interest since they are thin (dynamically cold)

and therefore sensitive to perturbations from low-mass subhalos. Since the subhalo mass function differs

depending on the dark matter composition, these gaps can provide unique constraints on dark matter

models. However, current samples are limited to the Milky Way. With its large field of view, deep

imaging sensitivity, and high angular resolution, the upcoming Nancy Grace Roman Space Telescope

(Roman); presents a unique opportunity to significantly increase the number of observed streams and

gaps. This paper presents a first exploration of the prospects for detecting gaps in streams in M31

and other nearby galaxies with resolved stars. We simulate the formation of gaps in a Palomar-5-like

stream and generate mock observations of these gaps together with background stars in M31 and

foreground Milky Way stellar fields. We assess Roman’s ability to detect gaps out to 10 Mpc through

visual inspection and with the gap-finding tool FindTheGap. We conclude that gaps of ≈ 1.5 kpc in

streams that are created from subhalos of masses ≥ 5 × 106 M� are detectable within a 2–3 Mpc

volume in exposures of 1000s–1 hour. This volume contains ≈ 200 galaxies. Large samples of stream

gaps in external galaxies will open up a new era of statistical analyses of gap characteristics in stellar

streams and help constrain dark matter models.

1. INTRODUCTION

Large-scale cosmological simulations with cold dark

matter (ΛCDM) predict hierarchical formation of dark

matter halos and the existence of substructure at all

scales (White & Rees 1978; Blumenthal et al. 1984; Bul-

lock et al. 2001; Springel et al. 2008; Fiacconi et al.

2016). To test ΛCDM predictions at small scales, previ-

ous studies have uncovered satellite galaxies around the

Milky Way and dwarf galaxies in the local group with

stellar masses down to 103 M�(Willman et al. 2005; Si-

mon & Geha 2007; Martin et al. 2008; Koposov et al.

2009; Willman et al. 2011; McConnachie 2012; Bech-

tol et al. 2015; Drlica-Wagner et al. 2015; Geha et al.

∗ NASA Hubble Fellow

2017; Mao et al. 2021). However, in ΛCDM models,

galaxies with halos of masses . 108M� are more domi-

nated by dark matter compared to higher-mass galaxies,

which makes their detection difficult (Efstathiou 1992;

Okamoto et al. 2008; Bullock et al. 2000; Sawala et al.

2016). Other dark matter models differ from ΛCDM

in their predictions for the masses and number densi-

ties of dark matter subhalos (subhalo mass functions).

For instance, warm dark matter models (WDM, Bode

et al. 2001) predict a similar hierarchical collapse at large

scales, but this collapse is strongly suppressed at lower

masses (. 109M�, depending on particle mass), result-

ing in a smaller fraction of low-mass subhalos (Bose et al.

2017). Similarly, some fuzzy cold dark matter mod-

els (Hu et al. 2000; Hui et al. 2017), predict a sharp

cutoff at low masses (≤ 107M�). Self-interacting dark
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matter (SIDM) models produce halos with pronounced

cores with different tidal evolution, masses and densities

compared to CDM halos (Spergel & Steinhardt 2000;

Rocha et al. 2013; Tulin & Yu 2018; Glennon et al. 2022;

Forouhar Moreno et al. 2022). Even in ΛCDM simula-

tions, the survival and the properties of low-mass sub-

halos within a larger halo are poorly understood. The

tidal field of the central galaxy, pre-existing substruc-

ture in the halo, and deviations from a smooth spherical

halo density profile can all affect the tidal evolution of

accreted subhalos (Garrison-Kimmel et al. 2017). On

the other hand, analytical calculations, N-body simu-

lations and high-resolution hydrodynamical simulations

show that the central cores of subhalos are likely to sur-

vive for long periods of time, or even indefinitely (van

den Bosch et al. 2018; van den Bosch & Ogiya 2018;

Errani & Peñarrubia 2020).

All of these differences between different dark matter

models can, in principle, be tested by statistical sur-

veys of nearby low-mass subhalos. The key challenge

is how to detect these invisible dark subhalos. Strong

gravitational lensing offers an opportunity to validate

predictions of dark matter models (Dalal & Kochanek

2002; Amara et al. 2006; Nierenberg et al. 2014; Hezaveh

et al. 2016; Nierenberg et al. 2017; Gilman et al. 2019).

However, this technique probes all subhalos along the

line of sight up to the lensed luminous source, which

complicates the inference of dark matter properties.

Globular cluster (GC) streams provide a complemen-

tary approach for detecting and measuring the spectrum

of low-mass subhalos in the local volume (Johnston et al.

2002; Yoon et al. 2011; Bovy 2016; Bovy et al. 2017). As

GCs orbit the host galaxy, internal evolution and tidal

stripping leads to the escape of stars from the central

cluster, forming thin, elongated stellar streams which

persist for billions of years (Johnston 1998; Helmi &

White 1999). These streams can subsequently be per-

turbed by a free-floating dark matter subhalo, which can

create a gap-like feature inside the stream (Yoon et al.

2011). Numerical and analytical calculations predict the

morphology and frequency of these features in various

types of GC streams (Yoon et al. 2011; Carlberg 2012;

Erkal et al. 2016; Sanderson et al. 2016; Koppelman &

Helmi 2021).

Photometric and spectroscopic surveys have identi-

fied and characterized ≈100 stellar streams in the Milky

Way, with the majority being globular cluster streams

(Odenkirchen et al. 2001; Newberg et al. 2002; Majewski

et al. 2003; Odenkirchen et al. 2009; Newberg et al. 2009;

Grillmair & Carlin 2016; Shipp et al. 2018; Mateu et al.

2018; Ibata et al. 2019; Li et al. 2022; Martin et al. 2022;

Mateu 2023). A few of these GC streams show evidence

of gap-like features that are predicted in numerical simu-

lations of dark matter subhalo encounters (de Boer et al.

2018, 2020; Bonaca et al. 2020; Tavangar et al. 2022). In

particular, Price-Whelan & Bonaca (2018) identified a

spur and a gap in GD-1, which Bonaca et al. (2019) at-

tributed to a likely encounter with a 106–107 dark mat-

ter subhalo ∼8 Gyr ago, after ruling out other types of

perturbers.

Gaps in GC streams can be created through other pro-

cesses, however. Previous studies have shown that bary-

onic matter perturbers (galactic bars, molecular clouds,

black holes, spiral arms) can create similar features in

GC streams (Amorisco et al. 2016; Hattori et al. 2016;

Price-Whelan et al. 2016; Erkal et al. 2017; Pearson et al.

2017; Banik & Bovy 2019; Bonaca et al. 2020), which

makes gaps difficult to decipher, even when they are de-

tected. Moreover, since these streams have intrinsically

low surface brightnesses, the detection of gaps has been

limited to the Milky Way, which has resulted in rela-

tively small samples.

Detecting gaps in globular cluster streams in exter-

nal galaxies offers a new window into testing dark mat-

ter models by increasing the number and diversity of

stream gaps. Previous studies have observed streams in

external galaxies arising from tidally-disrupted satellites

(Mart́ınez-Delgado et al. 2010; Martinez-Delgado et al.

2021). While several candidate GC streams have been

proposed in M31 (Pearson et al. 2022), these candidate

detections require more sensitive and higher resolution

data to be confirmed, and to eventually map both the

streams and gap structures.

The upcoming Nancy Grace Roman Space Telescope

(Spergel et al. 2015) will have a large field of view, high

angular resolution and deep-imaging sensitivity. Pear-

son et al. (2019, 2022) demonstrated how this combina-

tion allows the detection of very low-surface brightness

GC streams out to a couple of Mpcs. In this work,

we examine the plausibility of detecting gaps in Pal

5-like GCs formed from interactions with dark matter

subhalos by extending the predictions of Pearson et al.

(2019). The paper is arranged as follows: Section 2 de-

scribes our methodology for simulating isolated, evolv-

ing streams with gaps; Section 3 discusses our simula-

tions of mock observations with Roman including fore-

ground and background star fields; and the feasibility

of visual inspection to confirm gaps in simulated star

count data. Section 4 discusses the application of an

automatic gap-finding pipeline, FindTheGap (Contardo

et al. 2022), to find gaps in simulated data. Section 5

discusses the implications and limitations of this work.

We summarize our findings in Section 6.
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2. SIMULATING GLOBULAR CLUSTER

STREAMS WITH GAPS

Our goal is to simulate observations of gaps in GC

streams, starting with the Palomar 5 stream (hereafter,

Pal 5; Odenkirchen et al. 2001, 2003) as a test case,

defined to have a present-day mass of 104 M� (Ibata

et al. 2017). Our work closely followed a similar method-

ology as Pearson et al. (2019), with additional modi-

fications that are described herein. We conducted all

numerical calculations with the gala package (Price-

Whelan 2017), which implements numerical integration

techniques to model the orbits of stars in a pre-specified

static potential.

2.1. Gravitational Potentials

In our analysis, we used M31 as the external host

galaxy. Many groups have estimated the total mass

and the potential of M31 by modeling the kinematics

of satellites (Watkins et al. 2010); constraining the rota-

tion curve (Chemin et al. 2009); modeling the velocity

distributions using tracer particles such as stars, globu-

lar clusters, and planetary nebulae (Kafle et al. 2018);

dynamical modeling of the giant southern stream (GSS)

in M31 (Fardal et al. 2013); and the local group tim-

ing argument (González et al. 2014; Chamberlain et al.

2022). Additional references and trade-offs from these

techniques are summarized by Fardal et al. (2013) and

Kafle et al. (2018).

To set up an M31-like potential, we used the model by

Kafle et al. (2018) composed of a central bulge, a disk,

and a halo. The bulge potential follows a Hernquist

profile (Hernquist 1990) given by:

Φb(r) = −GMb

r + q
(1)

with a scale length (q) of 0.7 kpc and a bulge mass( Mb)

of 3.4×1010 M�. The disk potential follows a Miyamoto-

Nagai density profile (Miyamoto & Nagai 1975) given

by:

Φd(R, z) = − GMd(
R2 +

(
a+ (z2 + b2)

1
2

)2)1/2
(2)

with a scale length (a) of 6.5 kpc, a scale height (b) of

0.26 kpc and a total disk mass (Md) of 6.9 ×1010M�.

These parameters for the disk and the bulge were

adopted from a compilation of literature values (Bekki

et al. 2001; Font et al. 2006; Geehan et al. 2006; Seigar

et al. 2008; Chemin et al. 2009; Corbelli et al. 2010;

Tamm et al. 2012). We assumed a Navarro-Frenk-White

(NFW) profile (Navarro et al. 1996) for the halo given

by:

Φh(r) = −G Mvir ln(1 + r c/rvir)

g(c) r
, (3)

with g(c) = ln(1 + c)− c/(1 + c), (4)

Mvir =
4π

3
r3vir∆ρc, (5)

and ρc =
3H2

0

8πG
(6)

Where Mvir is the virial mass, rvir is the virial ra-

dius, c is the concentration parameter, ∆ is the virial

overdensity parameter and ρc is the critical density of

the universe. As many of these parameters are interre-

lated, we used best-fit values for the halo virial mass at

∆ = 200 of M200 = 0.7 × 1012M�, and log c = 1.5

based on the inferred posterior distribution by Kafle

et al. (2018). We note that the concentration parameter

was poorly constrained in this work. We also assumed

H0 = 67.7 km/(Mpc s) based on Planck results (Planck

Collaboration et al. 2020).

For the dark matter subhalo, we again assumed a

Hernquist density profile with masses (Mh) and radii

(rh) determined by the scaling relation from Erkal et al.

(2016):

rh = 1005 pc×
(

Mh

108M�

)0.5

. (7)

2.2. Stream Progenitor Coordinates

As there are no currently-known globular clus-

ter streams in M31, we used a Pal 5-like stream

as an example. In the Milky Way, the Cartesian

Galactocentric coordinates of Pal 5 are (X,Y, Z) =

(6.1 kpc, 0.2 kpc, 14.7 kpc) and (VX , VY , VZ) =

(−49.7 km/s,−119.4 km/s,−11.4 km/s) (Price-Whelan

et al. 2019; Vasiliev 2019)1. Our goal is to test the ob-

servability of gaps in streams located at various loca-

tions in galactic halos, hence, we also simulated streams

to galactocentric radii of 35 kpc and 55 kpc. For sim-

plicity, to simulate equivalent streams at 35 kpc and

55 kpc, we used positions that give approximately the

desired Galactocentric radii, and we assumed that the

velocities of the stream at 35 kpc and 55 kpc were the

same as the velocity at 15 kpc. We used the same ve-

locities (VX , VY , VZ) for all streams, but we note that

1 We assumed that our GC progenitor lies at the present-day he-
liocentric equatorial coordinates of Pal 5, (α, δ) = (229.◦022,
−0.◦112) at a distance of 22.5 kpc; and has a proper motion vector
(µα cos δ, µδ) = (−2.736 mas/yr, −2.646 mas/yr) and radial ve-
locity of −58.60 km/s. We assumed a galactocentric coordinate

system with the local standard of rest velocity ~Vlsr = (8.4 km/s,
251.8 km/s, 8.4 km/s) and the Sun radial distance of 8.275 kpc
from the Galactic center based on (Schönrich et al. 2010; Bovy
et al. 2012; GRAVITY Collaboration et al. 2019).
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this process results in different orbits compared to the

stream at 15 kpc. These coordinates, along with addi-

tional parameters of our simulations are all summarized

in Tables 1 and 2.

2.3. Generating a Gap in the Stream

We generated model streams using the “particle-

spray” method described by Fardal et al. (2015) and im-

plemented in gala. We assumed a uniform mass loss his-

tory and a progenitor mass (mp) of 5×104 M� based on

Bonaca et al. (2020). We simulated the direct impact of

a dark matter subhalo and a stream using gala; specifi-

cally, the function MockStreamGenerator which models

the orbits of stars influenced by a massive body within

an external potential. Throughout these calculations,

individual stream stars were treated as non-interacting

massless particles, and we did not include the stream’s

progenitor potential.

To ensure a direct impact between stream and sub-

halo, we first needed to determine the initial coordinates

of both components given their positions and velocities

at the moment of collision. We backward-integrated the

present-day coordinates of the stream progenitor to a

time t1, initiated a stream at these coordinates, and then

forward-integrated by ∆t2. At this point, the collision

position was assumed to be at a position ∆x away from

the progenitor position. We adjusted the coordinates of

the subhalo to achieve a fixed relative velocity (| ~Vrel|)
between the stream stars and the subhalo perpendicular

to the impact location. After we determined the posi-

tion and velocity of the subhalo at the collision point,

we backward-integrated its orbit by ∆t2 again to set the

subhalo’s initial conditions.

With the initial positions and velocities of the stream

and subhalo determined, we forward-integrated the sys-

tem for ∆t2, computing the stream particle/subhalo in-

teraction using the gala DirectNBody routine, with an

additional ∆t3 time period to allow the subhalo to pass

completely through the stream. At this point, we re-

moved the subhalo from the simulation to avoid po-

tential multiple interactions, allowing for a more di-

rect analysis of the observability of well-defined gaps in

streams. We then forward-integrated the stream stars

for the remaining t1−(∆t2+∆t3) to observe the growth

of the gap over time.

These timescales (t1,∆t2 and ∆t3) were chosen to al-

low the stream to have similar lengths as that of Pal

5 in M31 (7–12 kpc at RGC=15–55 kpc, based on esti-

mates by Pearson et al. 2019). Additionally, after the

subhalo encounter, we continued releasing stars into the

mock stream to ensure that there isn’t a gap at the loca-

tion of the progenitor. We later re-sampled the stream

to match the number of stars observed in Pal 5 in the

Milky Way based on Bonaca et al. (2020). Table 2 sum-

marizes all parameters for streams at 15 kpc, 35 kpc and

55 kpc.

2.4. Quantifying the Size of the Simulated Gap

To estimate the size of the simulated gap, we fit a

Gaussian near the visually-identifiable gap. To account

for the density variation along the stream and the de-

crease in density near the wings of the stream, we mea-

sured both the density ratio and the density difference

between the perturbed stream (with a gap) and an

equivalent unperturbed stream. By averaging the full

width at half maximum of the Gaussian fits to both the

density ratios and density difference, we obtained gap

sizes of 1.4 kpc, 1.8 kpc, and 1.8 kpc, at RGC= 15 kpc,

35 kpc and 55 kpc, respectively for subhalo masses of

5 × 106 M�. We note that in our stream integration

procedure, the orbits of the stream and the subhalo, the

total integration times, and the impact velocities were

chosen to achieve the desired lengths (7–12 kpc) of the

stream and to obtain approximately the same gap sizes

at all galactocentric values.

Figure 1 depicts three simulated Pal 5-like streams at

RGC= 15 kpc with gaps induced by dark matter subha-

los with masses of 2× 106M�, 5× 106M�, and 107M�.

The size of the gap increases with the mass of the sub-

halo, as previously shown by analytical and numerical

simulations (Yoon et al. 2011; Erkal & Belokurov 2015).

Our results are consistent with numerical simulations

by Yoon et al. (2011), who found that gaps induced by

105– 107.5M� subhalos can be visually identified in Pal
5-like streams, although they used a higher relative im-

pact velocity (>100 km/s), a single galactocentric radius

(RGC≈ 25 kpc) and a longer integration times after the

impact (≈ 4.34 Gyr). In their simulations, they found

that subhalo masses ≥ 106 M� induce gaps with phys-

ical sizes of ≈ 1 kpc (visually), comparable to the ob-

served gaps in our simulations. However, we note that

even when using similar impact parameters and inte-

gration times, centrally-concentrated halo profiles (e.g

NFW profiles) will result in larger gaps (Sanders et al.

2016).

3. GENERATING MOCK OBSERVATIONS OF

STREAMS WITH GAPS IN M31 AND OTHER

EXTERNAL GALAXIES

In order to model the observability of both streams

and gaps, we need to generate mock observations of our
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Figure 1. Results from our simulations of a gap in a stream at RGC= 15 kpc. The total number of stars in each stream is
≈ 80,000 and the mass of the stream is 50,000 M�. Left : Gaps are induced by collisions with dark matter subhalos of masses
of 2 − 10 × 106 M�. Each stream is offset by a constant displacement in the y-direction for display purposes and the relative
velocity between the stream stars and the subhalo is 50 km/s. For comparison, we show an unperturbed stream of the same
mass and trajectory. Arrows indicate the location of the gap, and we label the mass of the perturber. Right : Linear density
of stars along the x-direction in each stream. In both plots, under-densities in perturbed streams can be identified by eye for
subhalos with masses ≥ 2×106 M�.

Table 1. Summary of simulation parameters for the stream and the
subhalo

Parameter Description Range of Values

Stream mp progenitor mass 5 × 104 M�

– number of particles ≈ 80,000

Subhalo Mh mass 2×106 M�–107 M�

rs scale radius 0.14 kpc–0.32 kpc

– potential Hernquista

Galaxy – potential Hernquist bulge +

Miyamoto-Nagai disk +

NFW halo b

aHernquist (1990).

b Profiles based on Miyamoto & Nagai (1975) and Navarro et al. (1996)
with parameters based on Milky Way measurements by McMillan
(2017).

streams in external galaxies as they will appear with Ro-

man, by taking into account sensitivity, resolution, and

contamination from Milky Way foreground and the host

galaxy halo background stellar populations. To address

contaminant populations, we followed a method similar

to Pearson et al. (2019) as applied to observations of the

halo of M31. In these simulations, we assumed all stars

are resolved down to our assumed magnitude limits.

3.1. Simulating Mock Observations with Roman

We obtained M31 data from the Pan-Andromeda Ar-

chaeological Survey (PAndAS, McConnachie et al. 2009;

Martin et al. 2016; McConnachie et al. 2018, Ibata

et al., private communication). The PAndAS survey

provides wide-field imaging data for the Milky Way,

M31 and other nearby galaxies over a total area of 300

deg2, with the 3.6-meter Canada-France-Hawaii Tele-

scope (CFHT) MegaPrime/MegaCam camera in the op-

tical and infrared u, g, r, i, and z filters. We used

extinction-corrected CFHT AB magnitudes (denoted by

g0 and i0) based on the corrections by Ibata et al.

(2014). We selected three patches with projected ar-

eas of 10 kpc × 10 kpc at the distance of M31 at ra-

dial separations of 15 kpc, 35 kpc, and 55 kpc from its
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Table 2. Summary of the stream, subhalo coordinates and resulting gap sizes

Parameter and Description RGC= 15 kpc RGC= 35 kpc RGC= 55 kpc

initial progenitor position at t1 ( ~x1, kpc) (6.1, 0.2, 14.7) (6.1, 0.2, 34.7) (6.1, 31.7, 44.7)

progenitor velocity at t1 (~v1, km/s) (-49.7, -119.4, -11.4) (-49.7, -119.4, -11.4) (-49.7, -119.4, -11.4)

total integration time (t1, Gyr) 2 3 3

collision | ~Vrel|, km/s 50 70 50

time before collision ( ∆t2, Gyr) 0.7 1.7 1.5

time during collision (∆t3, Gyr) 0.5 0.5 0.1

distance of impact from center (∆x, kpc) 0.5 0.7 0.8

result size of the gap (kpc) 1.4 1.8 1.8

center, corresponding to regions of ≈0.5 deg2 on the

sky. To generate mock Roman observations, we as-

sumed a total field of view of 0.28 deg2 (not simulat-

ing the shape of the detector) and limiting Vega mag-

nitudes of Z(F087) = 27.15 for 1000s exposures and

Z(F087) = 28.69 for 1-hour exposures.2 As in Pearson

et al. (2019), we limited our analysis to R(F062) and

Z(F087) bands.

3.1.1. Simulating Milky Way Foregrounds

We simulated foregrounds along the line of sight of

M31 assuming a central coordinate of R.A.= 0.57 deg

and decl.= 43.1 deg based on the central coordinates of

the M31 PAndAS field. We used a Kroupa power-law

initial mass function (IMF) (Kroupa 2001) for stellar

masses between 0.1 M� and 120 M�, isochrones from

the PAdova and tRieste Stellar Evolution Code (Bressan

et al. 2012, PARSEC) spanning ages of 4 Myr-13 Gyr,

and metallicities −2.0 ≤ [Fe/H] ≤ 0.2 that realistically

encompass the Milky Way thin and thick disks and halo

populations. We sampled 106 stars with masses from

the IMF, assigned ages and metallicities based on uni-

form distributions, and computed CFHT g0 and i0 and

Roman R and Z absolute magnitudes by interpolating

in initial mass–absolute magnitude space for every com-

bination of metallicity and age.

We assigned distances drawn from a galactic density

model composed of a thin disk, thick disk, and a halo

based on Jurić et al. (2008). The total stellar density is

given by:

ρ = ρthin disk + f0 × ρthick disk + f1 × ρhalo, (8)

where f0 and f1 are the relative fraction of thick disk

and halo stars to the thin disk population at the position

of the Sun, set to 0.12 and 0.005 respectively. Stellar

2 https://roman.ipac.caltech.edu/sims/Param db.html

densities for the disk were assumed to follow exponential

profiles parameterized by a scale height (H) and scale

length (L):

ρdisk = ρ� exp

(
−R−R�

L

)
exp

(
−|z − Z�|

H

)
(9)

For the thin disk, we assumed H = 300 pc and L =

2600 pc. For the thick disk, we assumed H = 900 pc

and L = 3600 pc. We also assumed R� = 8.3 kpc and

Z� = 0.027 kpc (Jurić et al. 2008). While the scale

height of a population varies with its main-sequence

lifetime (Bovy 2017), and dynamical evolution leads to

asymmetries in the density profile (Reylé et al. 2009;

Liu et al. 2017; Nitschai et al. 2021), these simple as-

sumptions provide a reasonable first-order estimate of

the broad stellar densities of present-day Milky Way

stellar populations. For the halo stellar density, we used

a flattened spheroid profile:

ρhalo =

(
R�

(R2 + (z/q)2)
1
2

)n

(10)

with q = 0.64 and n = 2.77. We drew distances from

a probability distribution function P (d) = d2 × ρ(R, z)

out to 100 kpc.

After we estimated the distance distribution of Milky

Way stars, we computed their observable apparent mag-

nitudes. To model the magnitude uncertainty, we fit

the magnitude dependence of the uncertainty (δmag)

for CFHT g0 and i0 filters based on the McConnachie

et al. (2018) point sources 3. We then assigned apparent

g0 and i0 magnitudes for the simulated population by

drawing from a normal distribution with a scatter equal

3 We selected point sources from the McConnachie et al. (2018)
catalog by restricting the morphology flags in the g and i bands
to -1. The catalog can be accessed at https://www.cadc-ccda.
hia-iha.nrc-cnrc.gc.ca/en/community/pandas/query.html

https://roman.ipac.caltech.edu/sims/Param_db.html
https://www.cadc-ccda.hia-iha.nrc-cnrc.gc.ca/en/community/pandas/query.html
https://www.cadc-ccda.hia-iha.nrc-cnrc.gc.ca/en/community/pandas/query.html
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to the standard deviation of the estimated dependence.

For all Roman magnitudes we assumed a constant un-

certainty of 0.1 mag; but the true uncertainty will likely

vary with magnitude and exposure time.

Finally, we determined the total number of stars that

are observable by Roman at a given magnitude limit by

scaling the simulated Milky Way foreground distribu-

tion to the observed PAndAS data within the region of

the color-magnitude diagram bound by 2 < g0 − i0 < 3

and 18 < i0 < 21. This region in the color-magnitude

diagram is predominantly covered by Milky Way fore-

ground isochrones, which makes it ideal for scaling our

total number of foreground stars. We then applied the

magnitude limit cut corresponding to 1 hour and 1000s

exposure. While this scaling does not take into account

exact selection effects, it provided a first-order estimate

for the number of stars that can be observed by Ro-

man. We obtained an agreement between our simula-

tions and both the color-magnitude diagrams and the fi-

nal g0-band luminosity function from the PAndAS data

in Figure 2; and we further discuss limitations in our

foreground and background simulations in Section 5.2.

3.1.2. Simulating Background Stars in M31 and Other
External Galaxies

We selected PARSEC isochrone tracks that span ages

of 5 Gyr to 13 Gyr and metallicities −2.0 ≤ [Fe/H] ≤
+0.5 to cover the approximate range of ages and metal-

licities of stars in the halo of M31 (Brown et al. 2003;

Ibata et al. 2014). Similar to the Milky Way simulation,

we assumed a Kroupa initial mass function for stellar

masses between 0.1 M� and 120 M�, a uniform age dis-

tribution, and a uniform metallicity distribution in cho-

sen patches of 10 kpc ×10 kpc at galactocentric radii

(RGC) of 15 kpc, 35 kpc and 55 kpc. The PAndAS

survey and other previous studies have characterized
the metallicity and abundance distributions (e.g. Es-

cala et al. 2020) of small regions of M31’s stellar halo in

detail. As our goal is to estimate stellar number densi-

ties, assuming a general set of old and metal-poor stellar

populations in all regions of the stellar halo was deemed

sufficient. Throughout, we assumed the distance to M31

to be 770 kpc (distance modulus of 24.4, Ibata et al.

2014).

To assign distances to stars in the halo of M31, we

modeled the stellar density as a flattened spheroid profile

based on Ibata et al. (2014). The 3D stellar density is

given by:

ρM31 =

(
(R̃2 + (z̃/q)2)

1
2

)n

(11)

(cf. Eqn. 10), where R̃ and z̃ are the cylindrical radius

and height starting from the center of M31, in the plane

and perpendicular to its disk respectively, with q = 1.11,

and n = −3. We drew distances assuming that the halo

of M31 extends to ≈ 100 kpc (Chapman et al. 2006)

and we assigned projected distances to M31 halo stars

as d = 770 kpc + z̃, where z̃ is the randomly-drawn

cylindrical galactocentric height for simplicity.

Finally, we assigned apparent magnitudes and magni-

tude uncertainties in a similar manner as for Milky Way

foreground stars. To obtain the correct normalization

for the number of stars, we scaled the total number of

stars to the observed number between 0.5 < g0 − i0 < 2

and 21.5 < i0 < 23.5 in the PAndAS data as there is

a significant drop-off in the PAndAS magnitude com-

pleteness to below ≈ 70% for i0, g0 > 23.5 (Martin et al.

2016). As a final check, we examined the simulated lu-

minosity function (number of stars as a function of mag-

nitude) in the CFHT g-band based on our CMD-based

scaling, luminosity function inferred from PAndAS data.

Figure 2 the combined CHFT g − band luminosity

function of both components (M31 population and the

Milky Way foregrounds) compared to the observed lu-

minosity function from the PAndAS data, and it shows

the simulated Roman color-magnitude diagram. This il-

lustrates that Milky Way foreground stellar populations

are dominated by sources with Z < 25, while M31 in-

cludes stars with Z > 20. In real Roman observations,

it will be possible to separate most Milky Way fore-

ground stars from M31 stars based on their positions

on the CMD (R − Z vs Z space, see Figure 2). We

note that low-mass stars and brown dwarfs are lacking

in our simulated foregrounds, hence they may introduce

an additional source of contamination in the real data.

Nevertheless, we found a general agreement between the

simulated and the observed luminosity function in the

CFHT bands. We further show a comparison between

our simulations and the PAndAS data in Appendix A.

While the region corresponding to the Milky Way disk

is reasonably well-matched, we could not reproduce all

of the structures in the CFHT CMDs, perhaps due to

an underestimation of the halo and thick disk fraction

along this line of sight.

To further validate our methodology for simulating

stellar populations, we compared our surface densities to

the CFHT data and predictions of Pearson et al. (2019).

For 1-hour exposure with Roman, we obtained stellar

densities of 3.1×105 stars/degrees2 at RGC= 55 kpc,

3.1×105 stars/degrees2 at RGC= 35 kpc and 2.9×106

stars/degrees2 at RGC= 15 kpc for the halo of M31.

These densities are ≈ 10 times higher than the densi-

ties obtained by Pearson et al. (2019) at the same ra-

dial distances and a similar Roman magnitude cut. We

note that our methods for estimating the foregrounds
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significantly deviate from the original methodology by

Pearson et al. (2019), by incorporating a stellar density

model and by scaling the stellar density to the brighter

regions of the CMD where the PAndAS survey is most

complete. In contrast, within the magnitude limits of

the PAndAS data (g0, i0 ≈ 26), our simulated densi-

ties of 2.0×104 stars/degrees2, 2.2×104 stars/degrees2

and 9×104 stars/degrees2 at RGC=55 kpc, 35 kpc, and

15 kpc, respectively, are in agreement with the observed

densities in PAndAS at the same galactocentric radii.

The agreement between our simulation and the observed

data validates our assumptions about the background

and foreground populations. We further discuss the lim-

itations of our simulations in Section 5.

3.1.3. Simulating Observed Stars in Pal 5

We simulated the stream population in a similar man-

ner to the backgrounds, but in this case, scaling to the

observed properties of Pal 5. We generated a sample of

106 stars assuming a power-law IMF (dN/dM ∝M−0.5,

Grillmair & Smith 2001; Ibata et al. 2017). We then as-

signed CFHT g and Roman R, Z absolute magnitudes

by interpolating the PARSEC isochrones for an age of

11.5 Gyr and [Fe/H]= −1.3. We applied a distance mod-

ulus corresponding to Pal 5 (dmod= 16.85; Pearson et al.

2019), and then determined a population normalization

factor by comparing the distribution of simulated CFHT

g magnitudes to the 3000 stars with 20≤ g ≤ 23 that

are known members of the Pal 5 stream (Bonaca et al.

2019). With this normalization factor, we computed the

number of stream stars detectable in a given host galaxy

based on the corresponding distance modulus and Ro-

man magnitude limit. Our number count predictions for

Pal 5 match the predictions of Pearson et al. (2019).

To generate a final simulated Roman image, we re-
sampled the simulated streams described in Section 2.3,

drawing only the expected number of detectable stars

for our Roman Z-band limits as a function of distance.

We also drew foreground and background stellar fields

at the same Z-band limits, the latter sampling the three

galactocentric radii from M31 PAndAS data, as well as

different host galaxy distances. For simplicity, the posi-

tions of background and foreground stars were assumed

to be uniformly distributed for a given 10 kpc by 10 kpc

patch. As most background halo stars are of similar stel-

lar populations as the stellar stream stars, the detection

of these streams and their gaps depends mostly on den-

sity contrasts. We, therefore, focus our analysis on star

count maps of these fields, rather than simulated im-

ages that incorporate brightness and instrumental point

spread function effects. Figure 3 shows examples of our

simulations of streams in M31. Henceforth, we will use

“mock observations” or “density maps” to describe the

results of our simulations.

3.2. Gap Identification by Visual Inspection of Density

Maps

We now turn to examining gaps and quantifying their

detection with distance and exposure times. Pearson

et al. (2019, 2022) developed methods for finding Pal 5-

like streams in Roman observations. Our primary goal is

to investigate the detection of gaps, assuming the stream

has already been identified. We present the visual in-

spection of gaps from simulated streams in M31 (Fig-

ure 3) and other external galaxies (Figure 4), centering

the density maps on the gap region. For simplicity, we

only considered gaps from interactions with subhalos of

5× 106 M� as this mass is in the appropriate range for

testing different dark matter models (Bullock & Boylan-

Kolchin 2017); and gaps that resulted from these in-

teractions are clearly visible in mock streams (Figure

1). In all of our simulated observations, we applied a

photometric metallicity constraint of [Fe/H]< −1, as

GC streams are typically metal-poor (e.g. Martin et al.

2022), allowing us to reduce the number of background

stars. In real Roman images, selecting low-metallicity

stars will require fitting the foreground populations of a

given galaxy to synthetic isochrones.

The angular lengths of Pal 5 streams for galaxies

within a ≈ 1.2 Mpc volume are larger than the field of

view of the Roman telescope; hence, only a portion of the

stream will fit inside a Roman field for these distances.

For an M31 distance of 770 kpc (dmod= 24.4, Ibata et al.

2014), the projected angular distance is 13.4 kpc/degree,

making the angular size of Pal 5-like streams in M31

(lengths of 7.8–12 kpc, Pearson et al. 2019) equal or

larger than the expected 0.52 degree × 0.52-degree Ro-

man field of view. Visually, the density contrast between

the stream and background stars increases with galac-

tocentric radius and with exposure time. Pearson et al.

(2019) estimated that the width of a Pal 5-like stream in

M31 would vary between 0.053 kpc–0.127 kpc at a galac-

tocentric radius (RGC) of 15 kpc–55 kpc, and the length

would vary between 7.8 kpc and 12 kpc. We could best

identify the gaps in the density maps for 1-hour expo-

sure, otherwise, visual identification of the stream and

gaps is difficult (see Figure 3).

To simulate streams in other external galaxies with

distances spanning 0.5 Mpc to 10 Mpc (assuming a sim-

ilar stellar composition and tidal field as M31), we offset

the M31 background population in the Roman CMD

space to the appropriate distance modulus, retaining
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Figure 2. Colors and magnitude distributions of our simulations compared to the data. (a): CFHT g0 mag luminosity
function based on the PAndAS data (blue filled-in histograms) and our simulations (black) for populations at RGC= 35 kpc.
The simulations are further divided into Milky Way foregrounds (light green) and M31 stars (orange). We are able to reproduce
the CFHT g-band luminosity function based on our scaling to the CFHT CMD ( more details in Appendix A) (b): Simulated
color-magnitude diagram for Roman R and Z bands at RGC= 35 kpc. CMD regions that are dominated by M31 stars or
Milky Way foregrounds are labeled in blue text. The horizontal dashed and solid lines show the magnitude cuts for 1000 s
and 1 hr exposures, respectively. With these magnitude cutoffs, the M31 halo population will be primarily dominated by
horizontal-branch stars and giants.

the same Milky Way foreground populations. The num-

ber of stars in Pal 5 was re-sampled to match the pre-

computed number of stars at the new galactic distance.

We applied the same magnitude cuts as our simulated

foreground and background models.

Figure 4 compares the simulated streams, all placed

at a fixed galactocentric distance of 35 kpc. We display

a fixed area in physical units of 7 kpc × 4 kpc in the

figure (7 kpc is ≈ half the length of the stream), which

corresponds to smaller angular scales in the total Roman

field of view at larger distances. We display the streams

at RGC= 35 kpc because the combination of the density

contrast and the thickness of the stream makes it easier

to visually detect the gap in these mock observations

compared to images at 15 kpc and 55 kpc. As the dis-

tance to the host galaxy is increased, the density of both

background stars and the stream decrease. We note that

the background stellar densities fall off faster than the

density inside the stream with galaxy distance, due to

the choice of isochrones and the metallicity cuts that we

are applied to the data. We caution that in real obser-

vations, other external galaxies will have different sizes,

and their halos will have a different composition com-

pared to M31. All these caveats are further discussed in

Section 5.

Through a visual inspection of streams with gaps in

host galaxies spanning a distance of 0.5 to 10 Mpc, we

find that the gap is visible by eye in external galaxies at

distances out to ≈ 1.5 Mpc (see Figure 4).

4. AUTOMATING THE DETECTION OF A GAP

Visual confirmation alone can result in biased assess-

ments of stream and gap detection, hence we now turn

to quantifying detection using an automated tool. In

Sections 4.1 and 4.2 we lay out methods for defining the

gap and the stream region, and in Sections 4.3, 4.4, and

4.5 we outline a procedure for quantifying the detection

of each gap and we provide a detection limit as a func-

tion of distance using a large sample of simulated mock

streams.

4.1. Density Estimation and Detecting Gaps

Previous studies have developed algorithms to find

and characterize stellar streams in the Milky Way (e.g.,

Mateu et al. 2017; Malhan & Ibata 2018; Shih et al.

2022, 2023) and in external galaxies (e.g., Hendel et al.

2019; Pearson et al. 2022). Once such algorithms have

determined a stream’s presence, location, extent, and

orientation, we can then search for gaps. We used the

gap-finding tool (Contardo et al. 2022, FindTheGap),

which is designed to evaluate under-densities in multi-

dimensional data. Gaps, just like streams, can be de-

tected by eye, but this tool provides an automated ap-

proach and serves as an additional method for confirma-

tion or rejection in conjunction with visual detection.
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Table 3. Summary of Simulations Parameters for Resolved Stellar Populations

Population Quantity Distribution Reference

Foregrounds & backgrounds IMF Kroupaa Kroupa (2001)

Milky Way Thin Disk age Uniform (0, 8) Gyr Jurić et al. (2008)

[Fe/H] Uniform (-1,0.5) Mackereth et al. (2019)

spatial density Exponentialb (H= 350 pc, L= 2600 pc) Jurić et al. (2008)

Milky Way Thick Disk age Uniform (8, 10) Gyr Kilic et al. (2017)

[Fe/H] Uniform (-1,0.5) Hawkins et al. (2015)

spatial density Exponential (H= 900 pc, L= 3600 pc) Jurić et al. (2008)

Milky Way Halo age Uniform (10, 13) Gyr Jofré & Weiss (2011)

[Fe/H] Uniform (-2.5, -1) Mackereth et al. (2019)

spatial density Spheroidc (n= 0.64, q= 2.77) Jurić et al. (2008)

M31 Halo age Uniform (5, 13) Gyr Ibata et al. (2014)

[Fe/H] Uniform (-2.5, 0.5) Ibata et al. (2014)

spatial density Spheroidd(n= 1.11, q= 3) Ibata et al. (2014)

Pal 5 age 11.5 Gyr Ibata et al. (2017)

[Fe/H] -1.3 Ibata et al. (2017)

IMF dN/dM= M−0.5 Grillmair & Smith (2001)

a dN/dM= M−α, with α = 1.3 for masses between 0.08 M� and 0.5 M�, α = 2.3 for masses > 0.5.

bExponential profile defined in Equation 9.

cSpheroidal profile defined in Equation 10.

dProfile given by Equation 11.

FindTheGap uses the projection of the second deriva-

tives (Hessian, H) of the density estimate onto the or-

thogonal subspace of the density gradient vector (g), de-

noted as ΠHΠ, where Π is a projection matrix defined

as:

Π = 1− ggT

gT g
(12)

The maximum eigenvalue of ΠHΠ can then be used

as a statistic to estimate if a point in the data space

is “in a gap”. Conversely, the minimum eigenvalue of

ΠHΠ can be used to highlight ridges and overdensities.

The density estimation depends on a free parameter, the

bandwidth, which relates the estimated density to the

spacing between data points. In addition to the band-

width, the stability of the gap detection also depends on

the number of data points.

To apply this tool to simulated observations, we

started with simulated density maps (Figures 3 and 4),

making a cutout centered on the visually-identified gap.

We did not use the full Roman field of view as the angu-

lar size of the stream becomes progressively smaller at

larger galaxy distances, making it more difficult to iden-

tify gaps. We then created a grid of 50 by 20 points along

each cutout with uniform spacing, covering an area of

5 kpc×2 kpc that includes the main track of the stream

and surrounding foreground and background stars.

The accuracy of this method relies on the choice of

bandwidth. Large bandwidths tended to smooth over

structures in the data, including the gap, but small

bandwidths introduced gaps and other small-scale struc-

tures that were not necessarily present in the underly-

ing true density. Additionally, the density estimation in

FindTheGap assigns lower densities to regions near the

edge of the simulated mock observations. To avoid these

edge effects, we first ran an estimation of the stellar den-

sity and the values of ΠHΠ on a slightly larger dataset,

incorporating stars beyond the specified grid. Specif-

ically, we required the data bounds to be larger than

grid bounds to a factor of twice the bandwidth. For ex-

ample, we used a 9 kpc by 6 kpc region for a bandwidth

of 1 kpc, given our fixed grid size of 5 kpc by 2 kpc. Af-

ter we fit the density estimator to the data, we predicted

the values of density and ΠHΠ on the smaller 5 kpc by

2 kpc grid (see Figure 5). To ensure the fidelity of each

gap detection and to remove spurious gaps, we ran this

estimation five times for every simulation, choosing the

same number of randomly selected stars for each esti-

mation (bootstrap re-sampling). In each iteration, the
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Figure 3. Simulated stellar density maps for a full Roman field of view of 0.28 deg2 with M31 background stars and Milky
Way foregrounds. The gap in the stellar stream is caused by an interaction with a subhalo with a mass of 5 × 106 M�,
and only a portion of the stream is shown here. The streams are injected at galactocentric distances of 15 kpc, 35 kpc and
55 kpc, and exposure times are 1000s (Z = 27.15, top panels) and 1 hr (Z = 28.69, bottom panels). We display these maps
in physical coordinates to highlight the scale of the gap, indicated by curly brackets.The projected x and y coordinates in kpc
were computed by assuming the distance to M31 is 770 kpc (an angular scale of 13.4 kpc/degree). We can visually see the gap
for 1-hour exposure, otherwise, it becomes more obscured by the background population.

density, and the minimum and maximum eigenvalues of

ΠHΠ were scaled to span values of 0 and 1 to main-

tain a consistent range across bootstrap samples. We

then computed the final ΠHΠ map by taking the me-

dian over all bootstraps. Figure 5 shows the result of

the application of this tool for simulated observations at

a distance of 1 Mpc. The map of ΠHΠ eigenvalues reli-

ably locates the gap and the stream. We further discuss

our determination of the optimal bandwidth in Section

4.4.

4.2. Further Outlining the Stream and Gap Regions

with Indicator Points

In principle, it is possible to determine the stream

path from the minimum eigenvalues of the ΠHΠ matrix

as the stream represents an overdensity. Nevertheless,

our focus was solely on the detection of gaps within a

stream. We constrained the stream region inside the

density maps by fitting a second-degree polynomial to
the pre-determined positions of the injected stream. To

define the stream track, we fixed the size of the stream

to be 0.2 kpc, which exceeds the real width of the stream

(visually and based on analytical calculations by Pear-

son et al. 2019). This is to ensure that there were enough

grid points to cover the full stream region. This step

also allows us to measure the density of stars inside the

stream, later discussed in Section 4.5. We note again

that our assumption is that the stream has been ob-

served, and the approximate stream region is therefore

known.

To outline the gap region, we selected points on the

grid falling within the top 95-percentile of the distribu-

tion of minimum eigenvalues of ΠHΠ. We will refer

to the regions on the grid that match this criterion as

“gap indicator points”. As shown in Figure 5, this crite-

rion provided a first-order estimation of the location of
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Figure 4. Mock observations of streams with gaps in a segment of the full Roman field of view. To generate these mock
observations, streams were injected into pre-computed backgrounds. Stars are plotted with the same symbol size to facilitate
comparison at various galaxy distances. The sizes of the images are 7 kpc × 4 kpc (about half the length of the stream), which
would correspond to different angular sizes on the sky depending on the distance of the observed galaxy. The horizontal bar
shows the scale of 5 arcmin (or 1/6 of the 32 arcmin×32 arcmin full Roman field of view). We show the halo of the galaxy at
RGC = 35 kpc, assuming an exposure time of 1 hour (Z = 28.69) and a perturbation in the stream from 5× 106 M� subhalo.
We can see gaps to a distance of ≈ 1.5 Mpc.

the gap. We then further constrained the gap region to

be centered around the median position of gap indica-

tor points, with a width equal to the size of the stream

region and a length equal to the gap size (see Section

2.4). This definition of the gap region along with gap

indicator points was later used to develop metrics for

distinguishing successful detections from noise.

Figure 5 illustrates the gap detection procedure. As

all the mock observations were converted to physical

projected coordinates, this assumption yielded consis-

tent gap identification with galaxy distance. We further

discuss our quantification of the breakdown of the gap

identification procedure in the upcoming sections.

4.3. Defining Metrics for Gap Detections

We now turn to discuss our application of the gap de-

tection method on a sample of mock streams in an auto-

mated fashion. We created an automatic pipeline using

the methods described in Section 4.1 to search for gaps

in simulated mock streams, and two metrics to quan-

tify the detections. First, we computed ΠHΠ maps

and their eigenvalues for mock observations spanning

distances between 0.5 Mpc and 10 Mpc and using band-

widths between 0.1 kpc and 2 kpc for all three RGC val-

ues. We restricted the bandwidth range to 2 kpc as

the metrics discussed below did not improve beyond

this range. Ultimately bandwidths between 0.5 kpc and
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Figure 5. Illustration of the gap detection tool with a fixed bandwidth of 0.8 kpc applied to a stream at RGC =35 kpc and a
distance of ≈ 1 Mpc for a 1000 s exposure. Note that we assume all stars are resolved. Top Left: Black dots show the stream
and uniformly-distributed background stars in the vicinity of the stream. We used a fixed grid of 5 kpc by 2 kpc indicated
by black lines. Top Right: Contours show the stellar density which clearly shows an underdensity near the gap region and a
decrease in density towards the edge of the stream. The density estimation is applied over the full range of the data to avoid
edge effects at the end of the grid (see text for discussion). Bottom Left: Contours show a map of the maximum eigenvalues of
ΠHΠ , which are maximized near the gap. We used this map to indicate the location of the gap along the stream. Bottom Right:
Gap indicator points are shown in blue as defined to be where the maximum eigenvalues of ΠHΠ are in the top 95 percentile.
This procedure can locate underdensities inside the stream.

1 kpc were optimal in finding the gap region. For each

step, we repeated the generation of the stream, the gen-

eration of background populations, and the gap detec-

tion process to account for the scatter in the detection

metrics at low stellar densities. This process resulted in

81,795 independent mock observations.

We used three metrics to quantify the significance of

each detection. To quantify the uncertainty in the gap

detection, we defined the spread of all the gap indicator

points (Sg) as the range of their x-positions (max-min).

As a reminder, “gap indicator points” were defined as

points on the grid in the top 95 % of maximum eigenval-

ues of ΠHΠ. We anticipate that a robust gap detection

has low Sg values, as these gap points would be con-

centrated around one point near the stream (see blue

markers in the lower right panel of Figure 5).

We then computed the median value of the abso-

lute difference between the x-positions of gap indicator

points to the center of the density maps denoted by ∆,

computed for each stream separately. As we designed

each simulated observation to be centered around the

gap, we expect optimal detection to have a small value

for ∆. Nevertheless, we show in Appendix B.3, that

our pipeline can also identify gaps located away from

the center. After we defined Sg and ∆ per stream, we

used these metrics to determine which bandwidths were

optimal for detecting gaps.

4.4. Determining the Optimal Bandwidth

The effects of bandwidth choice on the gap detection

metrics as a function of distance are shown in Figure 6.

We found that bandwidths between 0.5 kpc and 1 kpc

resulted in the lowest values for the spread of gap in-

dicator points (Sg) and the deviation of the location of

the gap from the center of the density maps (∆). For

large bandwidths, the estimated density on the grid is

centrally concentrated and features are washed out. For

small bandwidths, the stellar density was fragmented

into small groups of spurious gaps, which also resulted

in large values for Sg and ∆. We illustrate these ef-

fects in Appendix B.2. We inferred a middle value of ≈
0.8 kpc as our optimal bandwidth.

To further evaluate the performance of the gap-

detection tool and to ensure that our pipeline was ro-

bust, we also applied the gap-finding tool to mock ob-

servations with an intact stream (without a gap from an

interaction with a subhalo) using our described method-

ology. As shown in Appendix B.3, we could identify

the drop off in density towards the edge of the stream,
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Figure 6. Distribution of detection metrics for a gap from a subhalo of mass equal to 5×106 M�. Left: Distribution of the
spread of gap indicator points (Sg) defined as the range (max-min) of their x-values. There is an island of best bandwidths
between 0.5 kpc and 1 kpc where this metric is the lowest, which defines our optimal set of bandwidths. Right: Map of the
median deviation of gap indicator points with respect to their true location (∆). The combination of ∆ and Sg values show
that the optimal bandwidth for locating the gap is between 0.5 kpc and 1 kpc.

but we could not identify any gaps inside the track of

the unperturbed stream for a bandwidths ranges of 0.5

to 0.9 kpc, further validating our method. In practice,

when applying this tool to real Roman images, the opti-

mal bandwidth may depend on the scale of underdensi-

ties in the backgrounds and a positive detection would

require further characterization. Our goal in this study

is to provide an additional methodology for detecting

gaps in conjunction with visual inspections. While our

pipeline could lead to false positives, it is unlikely to

miss any real gaps in the data.

4.5. Distance Limits for Gap Detections

To determine a tentative detection limit, we used both

the density of stars inside the gap region and the loca-

tion of the gap region as a reference. We estimated the

stellar density inside the stream and the gap by counting

the number of stars inside each region and dividing this

number by the physical area (in kpc2) (see Section 4.4

for the definition of the gap and stream points/regions).

To determine the area of the stream region, we multi-

plied the total area of the grid (10 kpc2) by the fraction

of grid points that fell within each respective region. Be-

cause the stream track did not follow a simple straight

line, this procedure allowed us to obtain a more accurate

measurement of each region’s area. For the gap region

and the background region, we approximated the area

as a rectangle. For the gap, we used a width equal to

the width of the stream, and the pre-computed length;

and for the backgrounds, we used a width of 0.5 kpc and

a length of 5 kpc.

Figure 7 shows the surface densities (number/kpc2)

inside the stream region, the gap, and the background

for a fixed optimal bandwidth of 0.8 kpc. There is a

monotonic decrease in the surface density inside the

stream, inside the gap, and in the background with in-

creasing galaxy distance, as expected. The stream den-

sity is generally higher than the gap density and the

background. Additionally, streams at smaller RGC val-

ues are denser than streams at larger RGC values. How-

ever, it was still difficult to determine the detection lim-

its from these densities alone.

To establish a tentative detection limit for our

pipeline, we examined the evolution of the gap location

with distance. We plot the median value of the location

of gap points (∆) for 5 random streams for each distance

step in the bottom panels in Figure 7. Our expectation

is that for robust detections of gaps, the central gap lo-

cation will remain stable across several iterations. While

there was a systematic offset between the center of the

stream from the true center, we observed this “flaring”

for the value of ∆ at larger distances. For both 1000 s

and 1 hour exposure times, this effect translates to dis-

tance limits of 2 Mpc–3 Mpc. In Appendix B.1, we show

examples of gap detections in mock streams at RGC=35

kpc which also indicates that the location of the gap in-

side the stream becomes progressively uncertain beyond

these distance limits.

To summarize, we used the tool (FindTheGap) devel-

oped by Contardo et al. (2022) to evaluate the detec-

tion of gaps beyond a simple visual inspection and to

quantify the distance limit with exposure time. We ap-

plied this tool to a set of > 80, 000 mock observations

for galaxy distances between 0.5–10 Mpc with M31-like

stellar populations as background stars. For each mock

observation, we defined “gap indicator points” based on
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Figure 7. Testing the stability of gap detections with distance using the optimal bandwidth of 0.8 kpc. First row: Variation
in the distribution of stellar densities inside the stream and the gap with distance. Gaps were created from subhalos of masses
of 5×106 M�. The density of stars in kpc−2 for the stream region is shown with solid lines, the gap is shown with dashed lines,
and the background is shown with dotted lines a 1000 s (left) and 1-hour exposure (right) for galactocentric radii of 15 kpc
(blue), 35 kpc (black) and 55 kpc (orange). As a general trend, the density inside the stream is higher than the gap, and the
background density but it is difficult to establish a detection limit from densities alone. Last 3 rows : Value of the absolute
difference between the x-positions of gap indicator points and the center of the density maps (∆) as a function of distance for
a 1000 s exposure (left) and 1-hour exposure (right). The color scheme follows the same pattern as the top panels. We defined
our gap-detection limits to be where the median value of ∆ starts to fluctuate, which corresponds to 2–3 Mpc.
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gap statistic provided by FindTheGap. The gap detec-

tion method relies on the bandwidth as an additional pa-

rameter to compute the density of stars on a pre-defined

grid. By changing this parameter uniformly between

0.1–2 kpc, we determined that the optimal bandwidth

for detecting gaps was ≈0.8 kpc. We then evaluated the

effectiveness of each detection by estimating the central

location of gap indicator points with galaxy distance.

Results from this procedure pipeline suggest that gaps

from subhalos of 5 × 106 M� in the halo of M31-like

galaxies will be detectable to 2–3 Mpc for exposure times

between 1000s and 1 hour.

5. DISCUSSION

In this Section, we revisit assumptions in our numeri-

cal simulations (Section 5.1), the observational limita-

tions (Section 5.2), their implications, and how they

affect our results. We also discuss future prospects of

using extragalactic streams for dark matter science (Sec-

tion 5.3).

5.1. Limitations in Our Simulation of a Gap

In our simulations, we have assumed that the galactic

potential is smooth and static. However, previous stud-

ies of the Milky Way have shown that inhomogeneities

in the global potential, including giant molecular clouds,

galactic bars, streams, other globular clusters, and spi-

ral arms can perturb GC streams (Amorisco et al. 2016;

Hattori et al. 2016; Price-Whelan et al. 2016; Erkal et al.

2017; Pearson et al. 2017; Banik & Bovy 2019; Doke &

Hattori 2022). To mitigate this effect, we can search for

streams located at large galactocentric radii in exter-

nal galaxies, and where the contrast between the stellar

stream and background is more dramatic (see Figure 3).

In addition, at large galactocentric radii, bars, spirals,

and molecular clouds are less likely to cause dynami-

cal perturbations in streams. Furthermore, with larger

sample sizes we will be able to determine the frequencies,

sizes, and locations of underdensities in streams, which

gives us the ability to statistically evaluate signatures of

perturbations from dark matter subhalos.

Global potentials in galaxies are also deformed by

mergers and satellite interactions (Weinberg 1998;

Garavito-Camargo et al. 2019), and observations sug-

gest that M31, in particular, has been largely shaped

by a possibly recent minor (or major) merger (D’Souza

& Bell 2018; Escala et al. 2021; Dey et al. 2022; Bhat-

tacharya et al. 2023). Merger events and interactions

with satellites can distort present streams (Erkal et al.

2019; Shipp et al. 2021; Lilleengen et al. 2023) and con-

tribute to the accretion of new globular clusters that will

eventually form streams (Kruijssen et al. 2020). The de-

tails of the formation and disruption of GC streams have

not been extensively explored in large cosmological sim-

ulations.

Throughout this work, we have only considered one

encounter between the stream and the subhalo. Old

GC streams can undergo multiple collisions with sub-

halos, creating multiple observable density fluctuations

and perturbations to the stream morphologies. In fact,

multiple under-densities have been observed in several

Milky Way streams such as GD-1, (Bonaca & Hogg

2018) and Pal 5 (Erkal et al. 2017). We do not further

explore the effects of multiple encounters here, but based

on our analysis of the detectability of a gap from a single

subhalo encounter, we expect that streams, which have

undergone multiple interactions with subhalos to have

multiple observable gaps that can be detected using our

methodology. Using realistic galaxy simulations that in-

clude baryonic physics, Barry et al. (2023) predicts that

Pal-5-like streams in the Milky Way could undergo 2-

3 interactions/Gyr with subhalos of masses > 106 M�
before dissolution.

In our analysis, we limited our investigation of the

observability of gaps with Roman to subhalo encoun-

ters between GC streams and dark matter subhalos with

Hernquist profiles (Hernquist 1990). Cuspier profiles for

the dark matter subhalo can result in larger gaps for the

same encounter properties (Sanders et al. 2016). Addi-

tionally, as gaps grow with time, the initial size and the

growth of gaps will depend on the collision parameters,

such as the mass and scale radius of the subhalo, the

relative velocities of the subhalos to the stream, the im-

pact parameter, the stream orbit, the time of the colli-

sion, the impact position, and others. These parameters

have been extensively explored in numerical and analyt-

ical work (Yoon et al. 2011; Erkal & Belokurov 2015;

Sanders et al. 2016; Koppelman & Helmi 2021). In ex-

ternal galaxies, these effects will be difficult to disentan-
gle given the lack of kinematic information. However,

large statistical sample sizes of observed gaps will al-

low for rigorous comparisons to predictions of gaps in

streams evolved within various dark matter frameworks

(e.g., warm, fuzzy, self-interacting).

5.2. Limitations in Our Simulation of Mock

Observations

In this work, we have generated mock Roman obser-

vations to mimic stellar halos of external galaxies at

various distances without accounting for observational

biases due to crowding, extinction, or star/galaxy sep-

aration. Pearson et al. (2019) discussed several of the

limitations and considerations to take into account for

such mock observations. In particular, they concluded

that crowding effects will not affect the detection of thin



17

GC streams in external galaxies with Roman. We can

further minimize crowding effects by observing external

galaxies with sight-lines pointing away from the Milky

Way’s galactic plane. Our method relies on estimat-

ing the underlying density of stars, thus measuring the

density contrast between stream stars and background

stars is the determining factor in the success of gap de-

tections. Additionally, the effect of dust extinction will

be minimal for the halo of M31 at infrared wavelengths

(Dalcanton et al. 2015).

In addition, Pearson et al. (2019) evaluated the feasi-

bility of star/galaxy separation detection on the detec-

tion limits of GC streams with Roman. They used the

Space Telescope Image Product Simulator (STIPS) to

inject known galaxy catalogs into simulated fields and

applied quality cuts based on source shape. They con-

cluded that including background galaxies would limit

the detection of Pal 5 in M31-like galaxies to 1.1 Mpc–

1.8 Mpc for an exposure time of 1 hour. There are ≈115

galaxies in this volume based on Karachentsev & Kaisina

(2019), and gaps will be detectable to these distances

based on the methodology presented in this work. As-

suming “perfect” star/galaxy separation and investigat-

ing GC streams with 5 − 10 times more massive than

Pal 5, they estimated that thin GC streams could be

detected in host galaxies out to 6.2 − 7.8 Mpc with a

1-hour Roman exposure. This volume contains ≈ 660

galaxies (Karachentsev & Kaisina 2019), with 25 galax-

ies that are 10% more luminous than the Milky Way;

and the vast majority of galaxies within the 7.8 Mpc

limit are dwarf galaxies. While we did not include such

an analysis in this paper, we expect the feasibility of

star/galaxy separation to have a similar effect as the pre-

dictions by Pearson et al. (2019) on the detection of gaps

as the detection of streams because background galaxies

will be randomly spread out throughout the image. We

note that the formation of GC streams in dwarf galax-

ies has been explored in simulations (e.g. Peñarrubia

et al. 2009), but more work is needed to estimate their

observability.

Finally, future large observing programs dedicated to

searching for gaps in streams in external galaxies can

extend to longer exposure times, which would allow

for larger sample sizes and potential detection of GC

streams in dwarf galaxies. Optimistically, it is likely

that a full program that is dedicated to observing these

gaps with Roman would extend over several hours of

observing time, allowing the stacking of images from

multiple visits to reach depths beyond our estimates.

5.3. Inference of Dark Matter Properties and Expected

Sample Sizes

Our focus throughout this paper has been on the

detectability of underdensities in extragalactic GC

streams. Previous studies have explored pathways to

isolate dark matter effects from baryonic effects and to

infer dark matter properties (e.g. particle mass) from

observations of gaps in streams. Using linear perturba-

tion techniques, Bovy et al. (2017) constrained the num-

ber of dark matter subhalos of masses between 106.5 and

109 M� within 20 kpc of the Milky Way’s galactic cen-

ter by modeling Pal 5 data (see also Banik et al. 2021).

Banik & Bovy (2019) provided a powerful method for

disentangling underdensities caused by dark matter sub-

halos from baryonic perturbers (e.g. bars, molecular

clouds, and spiral arms) in Pal 5 by computing the var-

ious perturbers’ contributions to the stream’s density

power spectrum. They concluded that the contribution

from spiral structure to Pal 5 substructure is low but

that giant molecular clouds can create small-scale under-

densities comparable to those from dark matter subhalos

(Amorisco et al. 2016). Recently, Hermans et al. (2021)

showed that simulation-based inference techniques with

machine learning that map observed densities in streams

to simulations can help constrain dark matter structure.

They found that GD-1 stream data can be used to con-

strain warm dark matter particle masses and distinguish

between CDM and WDM models. Lovell et al. (2021)

confirmed that the structure in GD-1 and Pal 5 can place

limits on the fraction of WDM vs CDM subhalos within

a 40 kpc distance from the Galactic center (see also dis-

cussion by Pearson et al. 2019, 2022). Searching for

streams in the halos of external galaxies far from the

bar and star-forming regions will increase the likelihood

of finding gaps induced by gravitational perturbations

from dark matter substructure, which can be compared

to expectations from various dark matter candidates.

Even though we have shown that Roman will not be

able to detect gaps in GC streams in external galax-

ies further than 2–3 Mpc away, in M31 alone there

are ≈ 450 GCs (Galleti et al. 2006, 2007; Huxor et al.

2008, 2014; Caldwell & Romanowsky 2016; Mackey et al.

2019), which is a factor of 3 more than the number of

known GCs in the Milky Way (Harris 1996, 2010). It

is not unreasonable to assume that there is also a fac-

tor of 3 more, yet to be detected, GC streams in M31

than the ≈ 100 GC streams observed in the Milky Way

(Malhan et al. 2018; Mateu 2023; Martin et al. 2022)

We know that GCs are also prevalent in other exter-

nal galaxies (Harris et al. 2013). Thus, M31 and other

galaxies could provide a diverse set of GC streams with

gaps that can be used to constrain substructure within

various frameworks of dark matter (Bovy et al. 2017).
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While the full survey parameters of Roman is yet to

be determined, the proposed high latitude survey (HLS)

is expected to image high-latitude fields (Akeson et al.

2019). The WFI instrument can reach depths of ≈ 28

mag (AB) in R,Z, Y bands for exposure times of 1 hour.

Furthermore, the instrument has slitless spectroscopic

capabilities that cover (0.6 µm-1.8 µm), which will be

beneficial in identifying resolved stellar populations, al-

beit at much shallower 1-hour sensitivity. Compared to

previous M31 surveys with HST (e.g. the Panchromatic

Hubble Andromeda Treasury Dalcanton et al. 2012), Ro-

man will offer an opportunity to observe M31 at higher

efficiency and sensitivity.

Finally, in addition to the Nancy Grace Roman Tele-

scope, other imaging and astrometric surveys, such as

the Vera C. Rubin Observatory, will also help detect new

gaps from dark matter subhalos down to ≈106 M� in

dozens of streams in the Milky Way (Drlica-Wagner

et al. 2019). These detections will offer the possibility to

constrain cold dark matter models at a 99 % confidence

level, opening up an exciting era for using both Galac-

tic and extra-galactic streams to constrain dark matter

models.

6. SUMMARY

Our aim was to quantify the detection prospects of

gaps in globular cluster streams in external galaxies with

the Nancy Grace Roman telescope. To do this, we simu-

lated mock Roman observations of gaps in extra-galactic

Pal 5-like streams produced by their interaction with

dark matter subhalos. We generated mock streams and

we simulated a direct encounter with dark matter sub-

halos with masses between 2×106M� and 107M�. Ad-

ditionally, we simulated realistic mock observations of

background of stars in the halo of M31 at galactocen-

tric radii of 15 kpc, 35 kpc and 55 kpc, taking into ac-

count contamination from Milky Way foregrounds. To

mimic observations of galaxies at distances that are fur-

ther than M31, we moved the simulated M31 population

to distances of 0.5–10 Mpc, retaining foreground Milky

Way populations. To search for gaps in the stream, we

first visually inspected mock observations, then applied

an analysis with the gap detection tool from Contardo

et al. (2022), deriving several metrics to quantify the

reliability of our detections with galaxy distance.

We summarize our findings as follows:

• We find that gaps formed by 5×106 M� subhalos

gaps will be visually obvious in 1000 s and 1-hour

photometric exposures in the halo of M31.

• Mock observations of the same stream at various

distances from the Milky Way indicate that gaps

can be seen out to distances of ≈1.5 Mpc by visual

inspection.

• With the automated detection tool, we confirmed

that gaps formed from 5×106 M� subhalos can be

identified to distances of 2–3 Mpc, a volume which

includes ≈ 200 galaxies.

While our analysis was limited to gaps from in Pal 5-

like streams embedded in M31-like halos, it points to the

potential of Roman to build a large and diverse set of GC

stream gaps in multiple galaxies, which will contribute

to constraining various dark matter models.
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Figure 8. Comparison between simulated stellar populations and the PAndAS data. Left: Color-magnitude diagram of the
CFHT data from the PAndAS survey covering distances 30–40 kpc from the center of M31. We used the regions shown by the
dashed rectangles to scale the number of the Milky Way foreground stars, and the regions shown in solid rectangles to scale the
total number of stars in our simulations. Right: Similar to the left but here, we show the simulated populations. Our simulated
CMD reasonably matches the PAndAS observations.

A. COMPARING SIMULATED POPULATIONS TO PANDAS DATA

In Figure 8, we show the simulated color-magnitude diagram in CFHT g0 and i0 bands compared to the reddening-

corrected PAndAS data, which reproduces a significant portion of the range of colors and magnitudes covered by the

data. We also show the regions of the CMD that were used to scale the simulation to the data. While our simulations

are a reasonable match to the data, we did not reproduce overdensities at g0− i0 ≈ 1 and i0 > 22 which were labeled as

Milky Way halo stars by Ibata et al. (2014), pointing to perhaps an underestimation of the fraction of Milky Way disk

to halo stars in our simulations. Additionally, our simulations assume magnitude completeness down to the magnitude

limits, which is not the case for the real data. As reported by Martin et al. (2016), the completeness of the PAndAS

survey drops below 70 percent for i0 > 23. Nevertheless, as discussed in the main text, this scaling provided a robust

estimation of the CFHT g-band luminosity function and the total stellar density within the PAndAS fields.

B. ADDITIONAL CHECKS FOR GAP DETECTION PIPELINE

B.1. Visual Inspections of Gap Detections with Distance

Figure 9 shows additional examples of the density of stars in mock observations as a function of distance, and the

identification of the gap. Here, we only show streams at RGC= 35 kpc and 1 hour exposure time as the gaps are easier

to detect (see discussion of Figure 7). The location of the gap is shown by arrows which become scattered beyond

2–3 Mpc, which indicates our detection limit.

B.2. Examples of Non-Detections of Gaps

We demonstrate where the detection of gap breaks down for a set of mock observations RGC= 35 kpc and for 1 hour

exposure times by showing three cases in Figure 10: (a) a case where the gap was detectable by eye but the bandwidth

was much larger than our optimal bandwidth (b) a case where the bandwidth was much smaller than 0.8 kpc, and (c)

a case where the bandwidth was optimal but the stellar density in the stream was low. For the first case and second

cases, the spread in the location of gap points (Sg) was large. In the last case, the deviation of gap points (∆) from

the center was large.
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Figure 9. Additional simulation of a gap from a 5×106M� subhalo at various distances of the host galaxy and for RGC=35 kpc.
Each panel is a composite of 10 mock observations, and all panels are centered around the gap. Contours show the distribution
of the top 95 of the maximum eigenvalues of ΠHΠvalues based on our density estimator with a bandwidth of 0.8 kpc. Simulated
stars are shown as black points. Vertical arrows show the center gap area based on our pipeline for each iteration. Successful
identifications of gaps were characterized by a centrally-located gap. Our method successfully identified gaps when the density
of stars inside the stream was relatively high (distances ≈ 2−3 Mpc). We discuss our characterization of potential failure modes
of our pipeline in Appendix B.2.
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(a)

(b)

(c)

Figure 10. Illustration of different modes of failures for our detection pipeline. All images are for 1 hour exposures. In the
left panels, we show the simulations. In the center panels, filled-in contours show the map of the density and the maximum
eigenvalues of ΠHΠ that we used to locate gaps. In the right panels, we show gap indicator points based on our percentile
cuts. (a) Simulation of a stream at a distance of 0.8 Mpc using a large bandwidth of 1.5 kpc. The stream can still be identified,
but the method could not detect the central gap. Using our pipeline selection metrics, this detection would be rejected on the
basis that the spread in the location of gap points is large and that the absolute deviation of the predicted gap location from
the center is large, consistent with our ∆ metric (see Section 4.4). (b) Simulation of a stream at a distance of 0.8 Mpc using a
bandwidth of 0.1 kpc. In this case, the predicted median location of gap points is close to the true location of the gap, but there
are also spurious gaps in the background. Using our metrics defined in Section 4.4, this detection would have a small value for
∆, but a large value for Sg. (c) Simulation of a stream at 6.5 Mpc with a bandwidth of 0.8 kpc. Due to the very low density
in the image, the gap-finder tool detects an off-centered gap but it does not detect the real gap. This outcome motivates our
claim that the gap detection pipeline works for distances < 3 Mpc.

B.3. Comparing Streams with Gaps to Intact Streams and Backgrounds

We compare the performance of the gap detection tool to simulations of an intact stream with no perturbation

from the dark matter subhalo for a bandwidth of 0.5 kpc and 0.8 kpc, and a stream with an off-centered gap with a

bandwidth of 0.8 kpc in Figure 11. To generate mock observations, we followed the same methodology as highlighted
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(a)

(b)

(c)

Figure 11. Additional tests of the gap detection tool on intact streams for a bandwidth of 0.5 kpc (a) and a bandwidth of
0.8 kpc (b). We also show a stream with off-centered gap (c), as an additional validation that our pipeline does not depend on
the position of the gap. All simulated streams are at 1 Mpc at RGC= 35 kpc, for 1000 s exposure.

in the main text. Spurious gaps were persistent in the backgrounds, but these detections can be ruled out by careful

visual inspection. Additionally, the tool is able to detect off-centered gaps.
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Abstract

Evidence of the negative impact of light pollution on ecosystems is increasing

every year. Its monitoring and study requires the identification, characterisation

and control of the emitting sources. This is the case of urban centres with

outdoor lighting that spills light outside the place it is intended to illuminate.

The quantity and nature of the pollutant (artificial light at night) depends on the

lamps used and how they are positioned. This is important because a greater

proportion of blue light means a greater scattering effect. In this study, we

analysed the emissions of 100 urban centres in the north of Granada province

(Spain), using International Space Station (ISS) images from 2012 and 2021,

in order to compare the results with public lighting inventories and verify the

validity of these data for characterising night-time lighting emissions. Using

inference and cluster analysis techniques, we confirmed an overall increase in

emissions and a shift in their colour towards blue, consistent with the results

of the lighting inventory analysis. We concluded that it is possible to use ISS

imagery to characterise artificial light emissions and the lighting that causes

them, none the less there are a number of inherent problems with the data and

the way it was collected that require the results to be interpreted with caution.
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1. Introduction

One approach to quantifying light pollution and monitor its evolution is

to measure the background brightness of the night sky at the zenith. This is

usually done from the ground using photometric equipment (Cinzano, 2005;

Sánchez de Miguel et al., 2017; Bustamante-Calabria et al., 2021). The other

method of measuring artificial light at night is to use remote sensing from or-

biting sensors. The first instrument used to obtain nighttime images was the

DMSP (Defense Meteorological Satellite Program), which produced the first

global nighttime map in 1989. This instrument, along with the Operational

Limscan System (OLS), allowed NOAA to produce calibrated 1 km resolution

global maps between 1996 and 2010 (Elvidge et al., 1999). For example, the

analysis of DMSP-OLS data has made it possible to estimate the evolution of

energy consumption in public lighting (Sánchez de Miguel et al., 2014). Since

2011, the Visible Infrared Imaging Radiometer Suite (VIIRS) instrument on

the Suomi NPP satellite, which has a panchromatic sensor that also measures

nighttime light, has been in operation (Hillger et al., 2013; Liao et al., 2013). It

provides calibrated data with a spatial resolution of 740 metres without satu-

ration in urban areas, making it one of the most widely used data sources for

the study of light pollution (some examples in Estrada-Garćıa et al. (2016);

Levin and Zhang (2017); Román et al. (2018) and the recent review of Combs

and Miller (2023)). The main drawback of this instrument is that it does not

detect the blue emission peak of LED lamps, so as LEDs replace sodium vapour

in public outdoor lighting, VIIRS underestimates the brightness of urban areas

(Levin et al., 2020). There are also several commercial Chinese satellites that

take high-resolution nighttime images (Zheng et al., 2018; Guo et al., 2023), but

they are not widely available mainly due to their high price.

Satellite images are often calibrated in radiance units and are useful as a basis
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for models. The best known is Falchi’s light pollution map based on VIIRS data

(Falchi et al., 2016). On the other hand, as Sánchez de Miguel et al. (2020) show,

the diffuse brightness present in these images corresponds to the sky brightness

at zenith measured on the ground, so that these remote data can be used as

a map of sky brightness at zenith. In addition to this instrument, another

source of orbital night-time imagery is astronauts’ images from the International

Space Station (ISS), which are more comprehensive across the visible spectrum

because they are taken with conventional photographic cameras (Sánchez de

Miguel et al., 2019). Although this source of data lacks the regularity offered by

satellites, the image base is large enough to have several images for an area in

different years. This has enormous potential for studying the growing problem

of light pollution (Sánchez de Miguel et al., 2014).

Since both public and private outdoor lighting at night is the main source

of light pollution, it is essential to characterise and monitor it. This is possible

if up-to-date public lighting inventories are available, but these usually exclude

ornamental lighting and private infrastructure lighting. Thus, the analysis of

remote colour images can be a very useful tool in these studies.

We aim to answer the following questions through this research:

• How reliable is the characterisation of light pollution sources (outdoor

lighting at night) using data extracted from images taken from the ISS?

• Have light emissions to the sky (type and quantity) changed significantly

in recent years, and has the worldwide generalized trend of switching to

LED lamps reduced or increased light pollution? And in terms of colour,

how have light emissions changed?

• Can we characterise or group population centres according to their light

emissions measured from space? Are the results consistent with public

lighting inventories?

• And finally, to what degree private lighting is contributing to the problem?
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2. Study area

The area covered by this work corresponds to the so-called Granada Geo-

park, located in the north of the province of Granada (figure 1). Thanks to

its landscapes and geological singularities, the Granada Geopark is part of the

European Geoparks Network and was declared a UNESCO Global Geopark in

July 2020. The conservation of the natural night sky is one of the objectives

of the administrations responsible for its management, and to achieve this, it is

essential to study and monitor light emissions from urban centres.

This territory includes 47 municipalities in the shires of Huéscar, Baza,

Guadix, El Marquesado and Los Montes. Among these, there is one munici-

pality with more than 20000 inhabitants (Baza) and another close by (Guadix),

followed by Huéscar with around 7000 inhabitants. In the range between 2000

and 5000 inhabitants are Cúllar, Caniles, Benalúa, Benamaurel, Castril, Puebla

de Don Fadrique, Purullena, Valle del Zalab́ı and Zújar. The remaining 35 have

fewer than 2000 inhabitants, and 10 have fewer than 500 (INE, 2022).

This area is among the darkest places remaining in mainland Spain according

to sky brightness maps1 2, while at the same time having very good overall

weather and high mountains well suited for professional astronomy activities.

3. Methods

The methodology of this work has been divided into three parts: The first

phase consisted in the pre-processing of the images taken by the astronauts of the

International Space Station, the second is to obtain the values of the emissions

by colour band in the different population nuclei of the area under study, and

the third in the statistical analysis of the emission data. For the first two phases

we used the ArcGIS Pro software in its advanced version ArcInfo (ESRI, 2022).

1https://www.lightpollutionmap.info
2https://pmisson.users.earthengine.app/view/trends
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Figure 1: Study area: Granada Geopark (map base: ESRI, NASA)

For the third phase we worked with the R language in the RStudio environment

(RStudio, 2022).

3.1. Remote data

The source data are raw images captured by astronauts from the Interna-

tional Space Station (NASA, 2022). Photos taken on 6 February 2012 (at 4:50

GMT)3 and 24 July 2021 (at 23:35 GMT)4 were used for this study (covering

the northern part of the province of Granada). These images have been cali-

3Six-image mosaic. File identification codes: iss030e086586, iss030e086587, iss030e086588,

iss030e086589, iss030e086590 and iss030e086591
4File identification code: iss065e2006334
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brated, corrected and georeferenced according to the methodology of Sánchez de

Miguel et al. (2021), resulting in images that provide radiance values for each

pixel and band in nanowatts per angstrom, steradian and square centimetre

(nW · Å
−1
sr−1cm−2). The process was as follows:

• Decoding.

• Linearity corrections.

• Flat field and angular perspective corrections.

• Astrometric and photometric calibrations.

• Atmospheric correction.

• Rectification and georeferencing.

The next step was to subtract the background and delineate each urban

nucleus with polygons. In this way, only the urban areas are included in the

calculations.

Finally, since the surface area of the pixel is known, the conversion from

(nW · Å
−1
sr−1cm−2) to (W · Å

−1
sr−1) units has been done. In this way, it

is possible to obtain the sum of the radiances per band for the polygon that

delimits each of the agglomerations.

The analysis of light emissions has been done per population centre or infras-

tructure detected in the image, adding up to a total of 100 units (87 population

centres and 13 private infrastructures). The complete list can be consulted in

Appendix A, tables A.1 and A.2.

3.2. Public lighting inventories

In order to check the correspondence between the results of the analysis

of colour indices from remote images and those of public lighting, we have

worked with the inventory provided by Diputación de Granada5. In the resul-

5Geographic information system of the province of Granada, available at https://ide.

dipgra.es/siggra_ide/index
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ting database we have 47 records (one per municipality) and 27 variables. In

addition, we have created three new variables to help characterise this lighting,

namely the percentage of warm lamps, the percentage of cold lamps and the

percentage of degraded lamps. The database provided is mostly up to date, but

there are some municipalities that are not up to date or for which data are not

available for most of their lighting points. This is the case of the municipalities

of Baza and Guadix, which are also the most populated in the area studied. We

have taken this into account when analysing and interpreting the results.

3.3. Statistical analysis

As we are only interested in the light emission from nuclei and infrastructure,

it was necessary to identify and demarcate them using polygons. Subsequently,

geostatistical tools were used to calculate the sum of the value of the pixels

included in the polygon of each nucleus and for each colour channel. This value

is the total radiance of the population nucleus in W · Å
−1
sr−1.

In this way, we build a database for each detected nucleus and infrastructure,

containing as variables the total emissions for each year (2012 and 2021) in red,

green and blue, the colour indexes B/G (the ratio between blue and green emis-

sions) and G/R (the ratio between green and red emissions) and the population.

This database (associated to the vectorial layer of geographic information of the

polygons of nuclei and infrastructures) is the starting point for the statistical

analysis in R. The process has been as follows:

1. Data preparation and preliminary analysis.

2. Development of linear regression models for the colour indices and each

year. Detect outliers and eliminate atypical and high leverage records that

do not make sense.

3. Inference analysis between emission values and colour indices for each year

to searching for statistically significant differences.

4. K-means cluster analysis based on the colour indices obtained from remote

images for 2021 and for the difference between 2021 and 2012. Through
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this analysis we identify groups of populations with similar characteristics

in the current colour of their emissions, as well as groups of nuclei with

similar behaviour in the spectral evolution of their emissions from 2012 to

2021.

5. K-means cluster analysis of the municipalities’ public lighting inventory

to check if we obtain groups that can correspond to the previous ones of

point 4. This analysis has been carried out taking into account only the

types of lamps grouped according to the colour of the light they emit.

6. Finally, we compare the groups resulting from the colour index analysis

with those obtained from the street lighting analysis, to check if there

is a correspondence between them, and thus conclude on the validity of

the ISS remote imaging study to characterise outdoor lighting at night in

relatively small population centres.

For the code in R language we have used ”The R Book” (Crawley, 2012a,d,b,c)

and ”Spatio-Temporal Statistics with R” (Wikle et al., 2019) as a reference.

4. Results

4.1. Comparative analysis of emissions and colour indices between 2012 and

2021

We ask whether there are significant differences in both, emissions and colour

indices between 2012 and 2021 by analysing ISS images. As these are measure-

ments of the same cores at different times, we need to look at related samples.

The main problem we found in assessing the assumptions is related to the non-

normality of the data: only the values of the B/G index are close to a normal

distribution, but neither the G/R index nor the emission values are. If we ana-

lyse the differences between the two years, we get the same result. We also

have outliers, 7 of which are extreme, which have been excluded because they

represent nonsense values. This leaves 93 agglomerations or infrastructures for

analysis. For this reasons we have applied both a non-parametric (Wilcoxon
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signed-rank) and a robust (Yuen) test6. The detailed results and graphics can

be found in Appendix B.

The two tests produced similar results, which can be summarised as follows:

• There is a statistically significant increase in measured emissions in all

colour bands from 2012 to 2021. Median emissions increase in blue band

is 0.02258 W · Å
−1
sr−1 (figure 2), which represents an overall increase of

304% and an annual increase of 33.8%.

• There is an increase (although not statistically significant) in the B/G

colour index from 2012 to 2021 (figure 3). Median increase in B/G index

is 0.05, which represents an overall increase of 13.5% and a annual increase

of 1.5%.

• There is a decrease (although not statistically significant) in the G/R

colour index from 2012 to 2021 (figure 4). Median decrease in G/R index

is 0.02, which represents an overall decrease of 3.4% and a annual decrease

of 0.4%.

4.2. Cluster analysis of population centres according to the colour indexes of

their emissions

If we analyse the comparative results between 2012 and 2021 for the colour

indices, we see that they are very uneven between the agglomerations. Although

we can speak of a general increase in B/G and a decrease in G/R, they are not

statistically significant, so we cannot draw any clear conclusions about these

variables. We therefore used cluster analysis techniques to see if there were

groups of nuclei with similar behaviour in terms of the colour of their light

emissions. Having verified that there was a tendency for clustering, we used the

k-means partitioning method. The detailed results can be found in Appendix C.

6The Wilcoxon signed-rank test compares the positions of the values of two related samples.

The Yuen test compares the trimmed mean.
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Figure 2: Result of Wilcoxon test for blue band emissions from 93 population centres and

infrastructures. The median blue light emission is 0.00742 W · Å
−1

sr−1 in 2012 and 0.03

W · Å−1
sr−1 in 2021. The Wilcoxon test shows that there are significant differences between

the two years (V = 461, p = 6.49 · 10−11, r = −0.78, n = 93).

4.2.1. Cluster analysis for 2021 colour indices

Using the k-means method, we have arrived at a division into 3 groups as

the best option (figure 5). The B/G index turned out to be the most important

variable for this grouping.

• Group 1. It consists of 7 population centres. It is characterised by B/G

index values centred around the average, but well above it in the G/R

index. It is an odd group, characterised by significant green emissions.

However, the B/G ratio is not below average (and in some cases even

above average), so they must be emitting quite a lot of blue band light. If

we assume a direct relationship with the type of lighting, we would have

mercury vapour, fluorescent or metal halide lamps (which degrade over

time and emit greenish light) together with white LEDs (responsible for

10



Figure 3: Result of Wilcoxon test for B/G index (adimensional)of 93 population centres and

infrastructures. The median B/G index is 0.37 in 2012 and 0.42 in 2021. The Wilcoxon test

shows that there is no significant difference between the two years (V = 1835, p = 0.18, r =

−0.16, n = 93).

blue).

• Group 2. This group includes 31 agglomerations and 6 private infras-

tructures. It is characterised by an above-average B/G index, while the

G/R index is in the average, so that blue emission predominates. These

would be nuclei or installations that have replaced most of their lamps

with LEDs.

• Group 3. With 49 members, this is the largest group in which the rest of

the nuclei or facilities studied are located. It consists of 46 urban nuclei

and 3 private infrastructures. This group has the warmest emissions, with

B/G and G/R indices lower than average. It is to be expected that sodium

vapour lamps still predominate in their lighting.
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Figure 4: Result of Wilcoxon test for G/R index (adimensional)of 93 population centres and

infrastructures. The median G/R index is 0.59 in 2012 and 0.57 in 2021. The Wilcoxon test

shows that there is no significant difference between the two years (V = 2570, p = 0.14, r =

−0.18, n = 93).

4.2.2. Cluster analysis for differences in colour indices between 2021 and 2012

Having analysed the similarities according to the colour of their light emis-

sions for the most recent data of the cores studied, and considering that after the

global analysis we did not reach a statistically significant result for the changes

in the colour indices between 2012 and 2021, we propose to study whether there

were changes by group and whether they behaved differently. To do this, we

have used a cluster analysis, where the variables are the differences in the values

of the colour indices between the two years.

Analogous to the 2021 case, using the k-means method we have arrived at a

division into 3 groups as the best option (figure 6). The most important variable

leading to this grouping is the difference in the B/G index.

• Group 1 is composed of 11 agglomerations and one private infrastructure.

12



Figure 5: Partitioning by k-means according to the colour indices in the year 2021 (values are

adimensional and scaled to the mean value). The full list of each group can be found in table

C.3, Appendix C.

It is characterised by a significant increase in the G/R index, while the

B/G remains more or less the same. In this group we find the nuclei with

atypical values.

• Group 2 is made up of 24 nuclei and 2 private infrastructures. They are

characterised by a significant increase in the B/G index from 2012 to 2021,

together with a slight decrease in the G/R index, which corresponds to an

increase in blue light emissions and a decrease in the proportion of green

light. This probably means that they have already replaced the majority

of their lamps with LEDs.

• Group 3. 49 agglomerations and 6 private infrastructures belong to this

group. Their colour indices have decreased very slightly compared to

the average between 2012 and 2021. For public lighting, this could be

13



explained by the initial replacement of mercury vapour and fluorescent

lamps by sodium vapour, which is currently being replaced by LEDs, but

these do not yet represent a significant proportion of the total.

Figure 6: Partitioning by k-means according to the difference in the colour indices between

the years 2021 and 2012 (values are adimensional and scaled to the mean value). The full list

of each group can be found in table C.3, Appendix C.

4.3. Cluster analysis based on lamp type

The sum of the photons arriving directly from the emitting lamps, those

reflected by the surfaces, those scattered by the atmosphere, etc. is the light

emission captured by a remote sensor in a urban centre. It is therefore to

be expected that there will be a relationship between the detected colour and

the spectral characteristics of the emitters. In order to check the consistency

between the results obtained from the analysis of the ISS images and the cha-

racteristics of the outdoor lighting, we worked with the public lighting inventory

provided by the Diputación de Granada.
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So we did a cluster analysis using the percentage of warm, cold and degraded

lamps as variables. This has a more direct relationship with the colour of the

emissions. In this case, we arrived at 4 groups as the optimal number using the

k-means partitioning method (figure 7).

• Group 1: 11 municipalities with a predominance of degraded lamps (mer-

cury vapour, fluorescent, halide). They maintain old lamps or have re-

placed discharge lamps with fluorescent or other types, but there are

hardly any LEDs or sodium vapour lamps.

• Group 2: 11 municipalities with a clear predominance of cold lamps, while

warm and degraded lamps are below average. They have almost completed

switching to white LEDs.

• Group 3: 21 municipalities with a predominance of sodium vapour lamps.

• Group 4: 4 municipalities with no data on light points.

5. Discussion

5.1. Matching results

There should be a correspondence between the groups obtained from the

analysis of the remote images in terms of colour and those obtained according

to the predominant type of lamp. If we consider that the main town is the

one with the highest concentration of public light points, its emissions are the

most representative of the municipality, so a correlation between the two sets of

data (colour indices from remote sensing and lamp type from inventories) can

be made for at least the most important population centres. A predominance of

warm lamps should result in a low B/G index, and vice versa: a predominance

of cold lamps implies a high B/G index. The presence of degraded lamps would

be indicated by a predominance of green, so we would have a low B/G index

together with a high G/R.
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Figure 7: K-means partitioning according to the characteristics of the street lighting lamps.

The three variables (proportion of warm, cold and degraded lamps in the inventory) were

scaled to two dimensions. The full list of each group can be found in table C.3, Appendix C.

Figure 8 shows the municipalities capitals according to the B/G and G/R

colour indices of their emissions calculated from the 2021 ISS images. There is

a moderate (ρ = 0.44) and statistically significant correlation between the two

indices, as well as between the G/R index and the prevalence of sodium vapour

lamps in public lighting (ρ = −0.61), represented by the colour of the dots. If

we compare this graph with the one obtained by Sánchez de Miguel et al. (2019)

for the indices of the different types of lamps used in public lighting, we see an

analogous relationship, although in our case it is more scattered. This is normal

if we take into account that the ISS images do not have sufficient resolution

to distinguish emissions from ornamental and private lighting in these urban

centres, so it is not possible to subtract them from public lighting. In addition,

while Sánchez de Miguel’s graph shows direct measurements from laboratory

lamps, the light captured by the camera from the ISS was scattered by the
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Figure 8: Correlation between B/G and G/R indices calculated from ISS images for the

municipalities capitals of Granada Geopark (2021). The dot’s colour represents the percentage

of sodium lamps (%SV) in the public lighting inventory. Background colour represents dot

density (towards yellow, more density of dots). The dashed lines represent the sectors of

Sánchez de Miguel et al. (2019) (the upper right sector corresponds to the cold light lamps).

Indices are adimensional.

Earth’s atmosphere.

However, we must take into account that the inventory data (most of which

will be updated in 2019) may have undergone changes in the year before the

date of the last ISS image (2021), especially in municipalities with less updated

data. The change may always be in the same direction: replacement of sodium

vapour or degraded lamps with LEDs. As of today, we are not aware of any

municipalities installing amber LEDs, which could cause warmer emissions. On

the contrary, cold white LEDs (4000 K in many cases), or more recently 3000

K or slightly warmer, have been installed everywhere. But in no case has there

been a return to sodium vapour or a lamp that produces light with almost no
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blue emission, although this would be desirable. This means that the group

of municipalities with predominantly cold lamps (but with a low proportion

of degraded lamps) is the most reliable group to look for similarities with the

groups obtained from the colour indices measured in 2021, as they are unlikely

to have changed significantly since the last inventory. The group with a colour

index indicating a predominance of green (a sign of an abundance of degraded

lamps) should also be reliable, as there could not have been any recent change

in this respect and therefore degraded lamps would be expected to predominate

in its inventory.

The municipalities with a predominance of cold lamps and few degraded

lamps in their inventory belong to group 2 of those obtained by the k-means

method (11 municipalities). If we look at the groups obtained by the colour

index analysis in 2021, there should be some correspondence with group 2, with

higher B/G and moderate G/R indices. To see if there is a correspondence

between the groups with predominantly green light and the municipalities with

degraded lamps, we need to look at group 1 of municipalities to compare them

with group 1 for the 2021 colour indices. Only two cases share a group.

However, it is important to note that we have assumed that all the lamps we

have labelled as degraded are actually degraded, and this is not necessarily the

case. Mercury vapour lamps are often old and give a greenish light, but other

types may be newer and still give a cold light without a predominance of green.

So if we compare the main group of cold light lamps with the blue-dominant

and green-dominant groups, we find a greater degree of similarity:

• 13 municipalities out of 20 (65%) belonging to groups 1 and 2 of those

obtained by the k-means method according to colour indices in 2021 corres-

pond to their municipalities in the group of cold light lamps.

• Of the 22 municipalities where cold-light lamps predominate according to

the inventory, 13 have been matched with their municipal capitals (59%)

according to the colour of their emissions in 2021.
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5.2. Contribution of private infrastructure to light emissions

In terms of private infrastructure, two large installations (the Andasol solar

thermal power plant7 and the Mercadona logistics centre8) emit more than a

town of almost 20000 inhabitants such as Guadix. In the area studied, the 13

private infrastructures considered are responsible for 22% of the light emissions

detected.

Private lighting accounts for a very large percentage of light pollution. This

is undoubtedly related to the way in which warehouses, industrial estates, etc.

are lit all night long, with unjustified intensities and directions. When we talk

about light pollution, we tend to think only of public lighting, but unless strict

regulations are developed and applied in the private sector (or at least existing

standards are not enforced), all the efforts that local authorities can make in

the public sector may fail to improve the situation because of the general lack

of control of private outdoor lighting.

5.3. Comparison of results with VIIRS data

To compare our results with data from the VIIRS instrument, we have cal-

culated the emissions per municipality for the years 2012 and 2021. Each value

corresponds to the mean of the available data set for the year and is expressed

in nW · cm−2sr−1. Figure 9 shows the result of the Wilcoxon test for the 47

municipalities and concludes that there is a statistically significant decrease in

the median (from 86.93 to 83.03 nW · cm−2sr−1). Table A.1 in Appendix A

shows the behaviour per municipality compared to the emissions measured from

the ISS images. There are three situations:

• Municipalities where a decrease in emissions is observed according to VI-

IRS, but with an increase in the blue band according to ISS images. This

can be explained by the replacement of sodium vapour lamps with cold

light LEDs (with a blue emission peak invisible to the VIIRS instrument).

7https://www.power-technology.com/projects/andasolsolarpower/
8https://www.google.es/maps/place//@37.3365478,-3.0996392,15z
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• Municipalities where a decrease in emissions is observed according to VI-

IRS and in the blue band according to ISS imagery. This is a rare case

and can be explained by the replacement of mercury vapour lamps, the

maintenance of sodium vapour lamps and an improvement in luminaires.

• Municipalities with a small increase in emissions according to VIIRS, ac-

companied by a significant increase in blue according to ISS images. This

is the most common situation. The explanation could be related to a

switch to warm white LEDs with an increase in intensity.

Figure 9: Result of Wilcoxon test for VIIRS emission data of 47 municipalities. The median

emission is 86.93 nW ·cm−2sr−1 in 2012 and 83.03 nW ·cm−2sr−1 in 2021. The Wilcoxon test

shows that there is a significant decrease between the two years (V = 279, p = 0.00261, r =

−0.51, n = 47).

5.4. On the limitations of ISS data

The limitations of ISS images are related to the lack of control over the time

and conditions in which they are taken, since the astronauts do not follow a
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criterion or methodology designed for scientific use, but rather for recreational

or educational purposes. They are mainly:

• Scarcity and temporal irregularity of available imagery for an area. This

makes it difficult to obtain statistically robust temporal trends, as is pos-

sible with satellite data.

• Differences in the photographic lens used and therefore in the spatial reso-

lution of the image. Comparing images with different pixel sizes is pro-

blematic as it forces resampling and reduces the accuracy of the result

(which would be partly based on an artificial spatial resolution for one of

the images).

• Insufficient spatial resolution, which means that it’s difficult to distinguish

the light emitted by private elements or installations located within the

agglomerations, as well as by ornamental lighting. It must therefore be

taken into account that the emissions calculated for each agglomeration

are not only due to public lighting.

• Differences in the angle to the Earth’s surface. While the satellites have

a zenithal perspective, the astronauts take the images from any angle.

This means that the light received by a city looks different from different

perspectives.

5.5. Comparison with other research results

The increase in blue light emissions found in this paper is consistent with

the results of other studies, both based on ground-based photometric measure-

ments and remotely sensed image analysis. Robles et al. (2021) estimated a

32% increase in Johnson B filter brightness for Madrid between 2015 and 2019.

On the other hand, the study by Sánchez de Miguel et al. (2022) for several

European cities (based on the analysis of ISS images) shows a clear increase in

blue light emissions associated with the conversion of street lighting to LEDs.

In our case, the median increase in blue emissions between 2012 and 2021 for

the 93 cases studied was 304% (figure 2), which represents a threefold increase.
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In terms of characterising street lighting through remote imaging, we have

the work of Rybnikova et al. (2021). They build statistical models from spectral

data to predict the contribution of lamp types to the brightness and colour of

each pixel in the image. The study focuses on Haifa (Israel) and achieves a good

predictive capability for sodium vapour and metal halide lamps. In our case,

the main difference is the small size and heterogeneity of the nuclei studied,

so we found cluster analysis techniques more useful. We also obtained a good

prediction for both cold and degraded lamps.

Finally, regarding the contribution of domestic lighting to light pollution,

Garćıa Gil and González Dorta (2016) used lighting models to estimate the

contribution of domestic lighting to the luminous flux in an area of Barcelona;

they concluded that it could be responsible for half of the light emissions emitted

to the sky. Similar conclusions were reached by Bará et al. (2019) for A Coruña

and Arteixo using photometric methods. In 2021, Kyba et al. (2021) concluded

from a controlled experiment in Tucson (Arizona) that street lighting was only

responsible for between 16% and 21% of the emissions in that city. In our

study, we were not able to distinguish private sources within urban centres, but

we were able to confirm the important contribution of private installations to

the light pollution of an area.

6. Conclusions

We analysed street lighting inventory data and emissions from urban centres

from remotely sensed imagery, comparing data separated by 9 years. Can we

say that it is possible to characterise nighttime lighting by analysing images

from the ISS? The answer is yes, but with caution. In the absence of a reliable

inventory for the entire area under study, it would be necessary to complement

the analysis of remote images with field work, especially for atypical or strange

cases. Ideally, the images we compare should have been taken with the same

lens, at the same time of year, at the same time of day and from a similar angle.

Also, the different atmospheric conditions at the different dates should be taken
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into account.

Regarding the evolution of light pollution from 2012 to 2021, the inference

analysis points to a clear increase, especially in blue band, which is consistent

with the slight increase in the B/G index. However, we do not know the propor-

tion of ornamental lighting that was on at the time when each image was taken,

and therefore we do not know to what extent it contributes to this difference,

which is conditioned by the time and season of each photograph.

This observed increase is consistent with the evolution of the public lighting

inventory, where there has been a general replacement of sodium vapour lamps

by white LEDs in a group of nuclei that we identified quite clearly using cluster

analysis of the colour index values. Using k-means partitioning techniques, we

found an acceptable degree of similarity between groups with a high B/G index

and a predominance of cold light lamps in their inventory. This was not the

case for other groups, but this may be due to a possible lack of updating of the

inventory.

In addition, two facts stand out: on the one hand, the shift towards blue

emissions, although general, is more pronounced in small towns; on the other

hand, we have the enormous contribution of private infrastructures to artificial

light emissions (at least 22% of the total, not counting all the contribution of

the private sector in urban areas).

We can therefore conclude that the analysis of ISS images is a powerfull tool

for the study and characterisation of street lighting and its evolution, especially

when the changes occur in the blue band, but it is subject to some drawbacks

that make us exercise due caution in the interpretation of the results. Given

the lack of control over the conditions under which the images are taken and

the uncertain future of the ISS missions after the Russian invasion of Ukraine,

there is a greater need than ever to put into orbit instruments that provide data

from the night side of the Earth that are suitable for scientific use, sensitive to

the blue band of the spectrum and accessible to the research community.
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Garćıa Gil, M., González Dorta, N., 2016. Influencia de la luz privada doméstica
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Appendices

Appendix A. Emissions per municipality, population centre and pri-

vate infrastructure

Table A.1: Total light emissions and in the blue band of the municipalities of Granada Geopark

for the years 2012 and 2021.

MUNICIPALITY T 2012 T 2021 B 2012 B 2021 ∆T (%) ∆B (%) ∆V IIRS (%)

Alamedilla 0.0182 0.1898 0.0028 0.0199 104.72 68.13 3.17

Albuñán 0.0636 0.2774 0.0054 0.0166 37.32 23.42 1.61

Aldeire 0.1652 0.3135 0.0283 0.0455 9.97 6.77 2.31

Alicún de Ortega 0.0202 0.3647 0.0023 0.0367 189.6 166.09 12.04

Alquife 0.0956 0.1668 0.0111 0.0137 8.28 2.57 0.38

Baza 5.3529 6.9874 0.8260 0.6586 3.39 -2.25 -3.24

Beas de Guadix 0.0401 0.0621 0.0028 0.0059 6.09 12.48 -1.84

Benalúa 0.4521 1.4854 0.0377 0.1142 25.39 22.54 0.73

Benamaurel 0.3457 0.7009 0.0562 0.1192 11.42 12.46 0.99

Calahorra, La 0.1437 0.4590 0.0174 0.0484 24.37 19.79 1.34

Caniles 0.8222 1.4253 0.1084 0.1177 8.15 0.96 2.14

Castilléjar 0.1619 0.3456 0.0197 0.0335 12.6 7.81 1.12

Castril 0.1771 0.4889 0.0158 0.0647 19.57 34.34 -1.04

Cogollos de Guadix 0.0566 0.1944 0.0064 0.0166 27.02 17.88 3.65

Cortes de Baza 0.1522 0.7675 0.0195 0.1184 44.92 56.43 1.99

Cortes y Graena 0.1039 0.1766 0.0124 0.0192 7.77 6.03 0.47

Cuevas del Campo 0.2804 0.9578 0.0298 0.1482 26.85 44.08 -1.66

Cúllar 0.7902 1.7716 0.0917 0.2680 13.8 21.34 0.69

Darro 0.1764 0.5787 0.0193 0.0840 25.34 37.26 0.12

Dehesas de Guadix 0.0303 0.3411 0.0047 0.0742 113.91 163.2 3.05

Diezma 0.1879 0.2335 0.0204 0.0670 2.7 25.29 -5.09

Dólar 0.1050 0.2427 0.0073 0.0290 14.58 33.26 -8.42

Ferreira 0.0612 0.0705 0.0086 0.0078 1.69 -1.03 1.91

Fonelas 0.0684 0.4843 0.0046 0.0268 67.58 53.64 2.19

Freila 0.2768 0.3667 0.0350 0.0767 3.61 13.24 1.29

Galera 0.1257 0.2644 0.0190 0.0493 12.25 17.71 -0.17

Gobernador 0.1097 0.2182 0.0050 0.0040 10.99 -2.25 -0.05

Gor 0.1406 0.0929 0.0368 0.0276 -3.77 -2.79 -1.26

Gorafe 0.0252 0.1445 0.0061 0.0322 52.73 47.19 -1.04

Guadix 4.1074 6.7110 0.3161 0.4482 7.04 4.64 0.21

Huélago 0.0682 0.2441 0.0076 0.0201 28.64 18.25 -1.21

Huéneja 0.1850 0.2396 0.0263 0.0487 3.28 9.47 0.13

Huéscar 1.3842 3.7481 0.1382 0.2381 18.97 8.03 4.38

Jerez del Marquesado 0.0674 0.2921 0.0081 0.0401 37.04 44.1 1.79
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Table A.1: continuation

MUNICIPALITY T 2012 T 2021 B 2012 B 2021 ∆T (%) ∆B (%) ∆V IIRS (%)

Lanteira 0.1553 0.2641 0.0191 0.0279 7.78 5.09 -1.82

Lugros 0.0080 0.0492 0.0009 0.0085 57.29 94.09 6.06

Marchal 0.0333 0.2668 0.0023 0.0130 77.86 51.86 1.46

Morelábor 0.1179 0.4880 0.0098 0.0286 34.89 21.47 0.55

Orce 0.4808 1.3567 0.0430 0.1135 20.24 18.22 0.86

Pedro Mart́ınez 0.0466 0.4560 0.0046 0.0493 97.7 108.05 3.4

Peza, La 0.1203 0.2553 0.0140 0.0495 12.46 28.07 -1.12

Poĺıcar 0.0154 0.0523 0.0029 0.0057 26.54 10.81 -1.38

Puebla de Don Fadrique 0.6816 2.0337 0.0851 0.1147 22.04 3.87 1.47

Purullena 0.2227 0.8129 0.0272 0.1728 29.44 59.52 1.16

Valle del Zalab́ı 0.1577 0.6853 0.0198 0.0800 37.18 33.77 1.41

Villanueva de las Torres 0.0259 0.2893 0.0028 0.0282 112.81 102.47 3.76

Zújar 0.8719 1.0048 0.0850 0.1502 1.69 8.53 -5.05

Light emissions measured from ISS images, total (T) and in blue band (B), for the years 2012 and 2021

(numbers refer to the total for each municipality, units in W · sr−1Å
−1

). ∆T : annual increase in total

emissions. ∆B: annual increase in blue emissions. ∆V IIRS: annual increase in total emissions according

to VIIRS imagery.

Table A.2: Blue light emissions, total and B/G colour index by centre or installation

MUNICIPALITY CENTRE B 2012 B/G B 2021 B/G T 2012 T 2021

ALAMEDILLA Alamedilla 0.002800 0.42 0.019967 0.34 0.018210 0.189830

ALBUÑAN Albuñán 0.005351 0.28 0.016630 0.29 0.063646 0.277445

ALDEIRE Aldeire 0.028262 0.50 0.045481 0.66 0.165243 0.313506

A. D. ORTEGA Alicún de Ortega 0.002303 0.39 0.036732 0.45 0.020192 0.364745

ALQUIFE

San Antonio 0.000482 0.17 0.001538 0.79 0.008657 0.007688

Virgen de Begoña 0.001494 0.39 0.001723 0.45 0.011949 0.011748

Alquife 0.006926 0.35 0.007293 0.45 0.058329 0.117066

San Hermenegildo 0.002192 0.51 0.003109 0.43 0.016681 0.030346

BAZA

Rı́o de Baza 0.012268 0.71 0.003184 0.48 0.051229 0.032861

Baza 0.762264 0.48 0.609191 0.36 4.878938 6.505406

Baúl 0.020099 0.63 0.000688 0.18 0.099357 0.042011

P.I. el Baico 0.031409 0.32 0.045509 0.47 0.323370 0.407192

B. D. GUADIX Beas de Guadix 0.002801 0.20 0.005948 0.36 0.040095 0.062070

BENALUA

Benalúa 0.037714 0.29 0.114225 0.30 0.452128 1.485424
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Table A.2: continuation

MUNICIPALITY CENTRE B 2012 B/G B 2021 B/G T 2012 T 2021

BENAMAUREL

Cuevas de Luna 0.005228 1.14 0.004550 1.62 0.015042 0.010005

Benamaurel 0.045613 0.46 0.082246 0.42 0.303261 0.508946

San Marcos 0.005326 0.59 0.032371 0.63 0.027416 0.181960

CANILES

Caniles 0.088101 0.40 0.074575 0.28 0.642646 1.087437

La Vega 0.005563 0.47 0.037190 0.44 0.029910 0.207858

Los Gallardos 0.014694 0.32 0.005967 0.19 0.149652 0.129968

CASTILLEJAR Castilléjar 0.019691 0.30 0.033529 0.30 0.161944 0.345587

CASTRIL

Castril 0.008198 0.22 0.029596 0.41 0.096740 0.254483

Almontaras 0.001903 0.30 0.021206 0.49 0.020847 0.108162

Fátima 0.005716 0.27 0.013898 0.34 0.059469 0.126239

C. D. GUADIX Cogollos de Guadix 0.006364 0.42 0.016605 0.23 0.056628 0.194356

CORTES DE

BAZA

La Teja 0.003598 0.62 0.002496 0.43 0.016090 0.012342

Los Laneros 0.000153 0.05 0.025112 0.67 0.011803 0.121056

Cortes de Baza 0.002127 0.11 0.065552 0.43 0.035618 0.415815

Campo Cámara 0.013606 0.43 0.025274 0.33 0.088693 0.218284

CORTES Y

GRAENA

Graena 0.003752 0.35 0.004932 0.26 0.038366 0.059481

Lopera 0.001845 0.40 0.008804 0.62 0.011167 0.047487

Los Baños 0.003482 0.26 0.001760 0.16 0.037162 0.035729

Cortes 0.003358 0.50 0.003691 0.30 0.017236 0.033927

CUEVAS

DEL

CAMPO

La Colonia 0.001778 0.36 0.007700 0.32 0.014477 0.078700

Cuevas del Campo 0.028057 0.33 0.140504 0.48 0.265873 0.879074

CULLAR

Las Vertientes 0.006323 0.37 0.005115 0.58 0.057816 0.027459

Charcón Higuera 0.002536 0.57 0.054660 0.41 0.015477 0.307155

Venta del Peral 0.004146 0.31 0.027317 1.38 0.041542 0.069939

Charcón Nicolases 0.004540 0.37 0.010642 0.63 0.034247 0.052667

Cúllar 0.064822 0.34 0.155838 0.36 0.588059 1.219668

Pulpite 0.001199 0.60 0.005207 0.59 0.008275 0.019092

El Margen 0.006441 0.84 0.009088 0.43 0.026682 0.064678

Venta Quemada 0.001739 0.35 0.000116 0.02 0.018088 0.010963

DARRO Darro 0.019298 0.30 0.084012 0.44 0.176389 0.578653

D. DE GUADIX Dehesas de Guadix 0.004733 0.47 0.074248 0.74 0.030312 0.341059

DIEZMA Diezma 0.020440 0.33 0.066957 0.84 0.187871 0.233473

DOLAR Dólar 0.007268 0.25 0.029025 0.33 0.104995 0.242726

FERREIRA Ferreira 0.008590 0.44 0.007792 0.51 0.061176 0.070492

FONELAS Fonelas 0.004600 0.24 0.026806 0.27 0.068387 0.484348
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Table A.2: continuation

MUNICIPALITY CENTRE B 2012 B/G B 2021 B/G T 2012 T 2021

FREILA Freila 0.035018 0.42 0.076734 0.54 0.276788 0.366664

GALERA Galera 0.019004 0.41 0.049300 0.44 0.125727 0.264371

GOBERNADOR Gobernador 0.004962 0.14 0.003960 0.07 0.109701 0.218248

GOR Gor 0.036843 0.74 0.027599 0.60 0.140643 0.092945

GORAFE Gorafe 0.006132 0.76 0.032175 0.78 0.025154 0.144532

GUADIX

Bácor-Olivar 0.026673 0.47 0.010157 0.18 0.160814 0.124558

Paulenca 0.002141 0.31 0.002141 0.62 0.020128 0.013418

Estación de Guadix 0.018263 0.33 0.039007 0.42 0.187728 0.429450

Belerda 0.001848 0.19 0.014332 0.75 0.024849 0.092844

Guadix 0.204557 0.22 0.287653 0.22 3.226318 5.229576

Hernán-Valle 0.016121 0.40 0.012489 0.43 0.138825 0.133503

Poĺıgono Industrial 0.046462 0.44 0.082390 0.40 0.348740 0.687694

HUELAGO Huélago 0.007617 0.40 0.020125 0.42 0.068218 0.244065

HUENEJA

Huéneja 0.015133 0.34 0.039700 0.62 0.120475 0.189419

Las Cuevas 0.004553 0.39 0.004720 0.38 0.036655 0.028724

La Hortezuela 0.006477 0.63 0.002150 0.48 0.026581 0.012335

Urb. Los Olivos 0.000147 0.31 0.002174 0.60 0.001306 0.009115

HUESCAR

La Parra 0.000303 0.12 0.007599 0.27 0.006953 0.078005

Huéscar 0.099267 0.30 0.166930 0.23 1.070568 2.848596

Barrio Nuevo 0.038644 0.42 0.063541 0.30 0.306724 0.821468

J. DEL MARQ. Jerez del Marquesado 0.008069 0.31 0.040099 0.45 0.067406 0.292083

L. CALAHORRA La Calahorra 0.017387 0.41 0.048352 0.41 0.143726 0.459019

LA PEZA
Los Villares 0.001232 0.18 0.011864 0.55 0.016419 0.056648

La Peza 0.012802 0.35 0.037622 0.62 0.103903 0.198654

LANTEIRA Lanteira 0.019140 0.39 0.027905 0.34 0.155325 0.264077

LUGROS Lugros 0.000893 0.31 0.008456 0.32 0.007985 0.049160

MARCHAL Marchal 0.002300 0.23 0.013038 0.16 0.033314 0.266760

MORELABOR
Moreda 0.008495 0.25 0.012049 0.15 0.104452 0.341367

Laborcillas 0.001256 0.24 0.016540 0.46 0.013422 0.146626

ORCE Orce 0.042976 0.29 0.113466 0.38 0.480835 1.356666

PEDRO MTNEZ. Pedro Mart́ınez 0.004598 0.35 0.049310 0.31 0.046566 0.456041

POLICAR

Poĺıcar 0.002912 0.49 0.005746 0.39 0.015448 0.052343
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Table A.2: continuation

MUNICIPALITY CENTRE B 2012 B/G B 2021 B/G T 2012 T 2021

PUEBLA DE

DON

FADRIQUE

Almaciles 0.015487 0.50 0.018684 0.29 0.093516 0.319807

P. de D. Fadrique 0.069607 0.37 0.096046 0.24 0.588034 1.713899

PURULLENA
Purullena 0.025000 0.39 0.171023 0.59 0.198308 0.795028

El Bejaŕın 0.002183 0.27 0.001781 0.23 0.024425 0.017830

VALLE DEL

ZALABI

Alcudia de Guadix 0.012021 0.37 0.058032 0.36 0.102037 0.507989

Esfiliana 0.007793 0.44 0.022009 0.54 0.055646 0.177324

VVA. DE LAS T. Vva. de las Torres 0.002760 0.35 0.028214 0.40 0.025938 0.289277

ZUJAR Zújar 0.084959 0.31 0.150200 0.48 0.871928 1.004780

PRIVATE

INSTALLATIONS

Quarry (Darro) 0.015411 0.31 0.008204 0.57 0.154704 0.045735

Andasol 0.180536 0.35 0.214270 0.33 1.709626 2.762457

L.C. Mercadona 0.034097 0.52 0.159868 0.47 0.203586 0.963074

Macro-farm (Darro) - - 0.012666 0.31 - 0.100625

Service area 0.006442 0.49 0.011961 0.43 0.036564 0.076960

CELSUR 0.025827 0.63 0.042550 0.44 0.114829 0.282169

MURES 0.009712 0.53 0.016828 0.29 0.058662 0.145005

Iberdrola 0.007417 0.36 0.037740 0.57 0.064156 0.174187

Macro-farm (Puebla) - - 0.025230 0.69 - 0.106473

Power station 0.004998 0.64 0.018695 0.89 0.027753 0.060693

Recycling centre - - 0.012518 0.89 - 0.064057

Blue-band (B), total (T) and B/G colour index light emissions from ISS images of the years 2012 and 2021.

The units of the emissions in W · sr−1Å
−1

and indexes are dimensionless.
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Appendix B. Results of inference tests

The B/G and G/R colour indices of light emission measured from ISS images

show a weak but statistically significant correlation. Only the values of the B/G

index satisfy the assumption of normality. For the red emission differences we

have 7 outliers, 6 of which are extreme. For the emission differences in green we

have 8 outliers, of which 3 are extreme. For the emission differences in blue we

have 7 outliers, of which 3 are extreme. For the BG index differences we have

4 outliers, none of which are extreme. For the differences in the GR index we

have 3 outliers, which are also extreme.

Appendix B.1. Emissions (2021)

As the data deviate from a normal distribution, we first applied the non-

parametric Wilcoxon signed-rank test for emissions in the red, green and blue

bands (figures B.10, B.11 and 2).

Figure B.10: Result of Wilcoxon test for red band emissions (in W · Å
−1

sr−1)
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Figure B.11: Result of Wilcoxon test for green band emissions (in W · Å
−1

sr−1)

We also used Yuen’s robust test. This ensures that outliers do not signifi-

cantly distort the results, similar to the non-parametric Wilcoxon signed-rank

test (figures B.12, B.13 and B.14).

Appendix B.2. Color indices

We follow the same procedure as for emissions (figures 3, 4, B.15 and B.16).

We can see that from 2012 to 2021 there is a significant increase in the

light emissions of the considered population centres, measured from calibrated

images of the ISS. However, we do not find a statistically significant change in

the mean values of the colour indices, although there is a slight increase in the

case of B/G and a decrease in the case of G/R.
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Figure B.12: Result of Yuen test for red band emissions (in W · Å
−1

sr−1)

Figure B.13: Result of Yuen test for green band emissions (in W · Å
−1

sr−1)
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Figure B.14: Result of Yuen test for blue band emissions (in W · Å
−1

sr−1)

Figure B.15: Result of Yuen test for B/G index (adimensional)
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Figure B.16: Result of Yuen test for G/R index (adimensional)
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Appendix C. Results of cluster analysis (k-means)

For the cluster analysis, we first scaled the variables with respect to the mean.

After checking for clustering tendencies and calculating the distance matrices

between the points, we calculated a total of 26 indices to evaluate six clustering

assumptions. The number of clusters chosen was the one that performed best

on most of the indices.

The graphs below show the results for the Hubert index and the D index

(figures C.17 to C.22). In the plots of Hubert index, we seek a significant

knee that corresponds to a significant increase of the value of the measure i.e

the significant peak in Hubert index second differences plots. In the plots of

D index, we seek a significant knee (the significant peak in D index second

differences plot) that corresponds to a significant increase of the value of the

measure.

Table C.3 shows the grouping for each agglomeration or municipality in

the three cluster analyses by k-means method. K1: group according to colour

indexes in 2021; K2: group according to colour indexes difference between 2021

and 2012; K3: group according to type of lamp inventoried in street lighting.

Table C.3: K-means cluster analysis results

MUNICIPALITY K3 CENTRE K1 K2

ALAMEDILLA 2 Alamedilla 3 3

ALBUÑÁN 3 Albuñán 3 3

ALDEIRE 1 Aldeire 2 2

ALICÚN DE ORTEGA 3 Alicún de Ortega 3 3

ALQUIFE 1

San Antonio 2 2

Virgen de Begoña 2 3

Alquife 3 3

San Hermenegildo 3 3

BAZA 4

Rı́o de Baza 2 3

Baza 3 3

Baúl 3 3

P.I. el Baico 2 2

BEAS DE GUADIX 3 Beas de Guadix 3 2

39



Table C.3: continuation

MUNICIPALITY K3 CENTRE K1 K2

BENALÚA 3
Benalúa 3 3

BENAMAUREL 1

Cuevas de Luna 3 3

Benamaurel 2 3

San Marcos 2 3

CANILES 2

Caniles 3 3

La Vega 2 3

Los Gallardos 3 3

CASTILLÉJAR 1 Castilléjar 3 3

CASTRIL 1

Castril 3 2

Almontaras 2 1

Fátima 3 3

COGOLLOS DE GUADIX 3 Cogollos de Guadix 3 3

CORTES DE

BAZA
3

La Teja 1 1

Los Laneros 2 2

Cortes de Baza 2 2

Campo Cámara 3 3

CORTES Y

GRAENA
4

Graena 3 3

Lopera 2 2

Los Baños 3 3

Cortes 3 3

CUEVAS

DEL

CAMPO

1

La Colonia 3 3

Cuevas del Campo 2 2

CÚLLAR 1

Las Vertientes 2 2

Charcón Higuera 1 1

Venta del Peral 3 3

Charcón Nicolases 2 2

Cúllar 3 3

Pulpite 1 1

El Margen 3 3

Venta Quemada 3 3

DARRO 2 Darro 2 2

DEHESAS DE GUADIX 2 Dehesas de Guadix 2 2

DIEZMA 2 Diezma 2 2

DÓLAR 2 Dólar 3 1
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Table C.3: continuation

MUNICIPALITY K3 CENTRE K1 K2

FERREIRA 3 Ferreira 2 3

FONELAS 3 Fonelas 3 3

FREILA 2 Freila 2 1

GALERA 1 Galera 1 1

GOBERNADOR 3 Gobernador 3 3

GOR 4 Gor 1 1

GORAFE 3 Gorafe 2 3

GUADIX 4

Bácor-Olivar 3 3

Paulenca 2 2

Estación de Guadix 3 3

Belerda 2 2

Guadix 3 3

Hernán-Valle 3 3

Poĺıgono Industrial 3 3

HUÉLAGO 3 Huélago 3 3

HUÉNEJA 2

Huéneja 2 2

Las Cuevas 1 1

La Hortezuela 2 3

Urb. Los Olivos 2 2

HUÉSCAR 3

La Parra 3 2

Huéscar 3 3

Barrio Nuevo 3 3

JEREZ DEL MARQUESADO 1 Jerez del Marquesado 2 2

LA CALAHORRA 3 La Calahorra 3 3

LA PEZA 1
Los Villares 2 2

La Peza 2 2

LANTEIRA 3 Lanteira 3 3

LUGROS 1 Lugros 1 1

MARCHAL 3 Marchal 3 3

MORELÁBOR 3
Moreda 3 3

Laborcillas 3 2

ORCE 3 Orce 3 3

PEDRO MARTÍNEZ 2 Pedro Mart́ınez 3 3

POLÍCAR 2

Poĺıcar 3 3
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Table C.3: continuation

MUNICIPALITY K3 CENTRE K1 K2

PUEBLA DE

DON

FADRIQUE

3

Almaciles 3 3

P. de D. Fadrique 3 3

PURULLENA 2
Purullena 2 2

El Bejaŕın 3 1

VALLE DEL

ZALABÍ
3

Alcudia de Guadix 3 3

Esfiliana 2 3

VILLANUEVA DE LAS TORRES 3 Vva. de las Torres 3 3

ZÚJAR 3 Zújar 2 2

PRIVATE

INSTALLATIONS
-

Quarry (Darro) 2 2

Andasol 3 3

L.C. Mercadona 2 3

Macro-farm (Darro) 3 -

Service area 2 3

CELSUR 2 3

MURES 3 3

Iberdrola 2 1

Macro-farm (Puebla) 3 -

Power station 3 3

Recycling centre 3 -

Group assignment in k-means partitions. K1: group according to colour indexes

in 2021; K2: group according to colour indexes difference between 2021 and 2012;

K3: group according to type of lamp inventoried in street lighting. Colors: blue,

predominance of blue light or cold lamps; green, predominance of green light or

degraded lamps; orange, predominance of warm light or sodium vapour lamps;

magenta, municipalities without street lighting data.
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Figure C.17: Hubert Index for 2021 cluster analysis of colour indices

Figure C.18: D index for 2021 cluster analysis of colour indices
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Figure C.19: Hubert index for cluster analysis of colour indices differences (2021-2012)

Figure C.20: D index for cluster analysis of colour indices differences (2021-2012)
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Figure C.21: Hubert index according to characteristics of street lighting lamps

Figure C.22: D index according to characteristics of street lighting lamps
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ABSTRACT

The electromagnetic emission from neutron star mergers is comprised of multiple components. Syn-

chrotron emission from the disk-powered jet as well as thermal emission from the merger ejecta (pow-

ered by a variety of sources) are among the most studied sources. The low masses and high velocities of

the merger ejecta quickly develop conditions where emission from collisionless shocks becomes critical

and synchrotron emission from the merger ejecta constitutes a third component to the observed signal.

The aim of this project is to examine shock development, magnetic field generation and particle accel-

eration in the case of mildly relativistic shocks, which are expected when the tidal ejecta of neutron star

mergers drive a shock into the external medium. Using LANL’s VPIC (vector particle-in-cell) code, we

have run simulations of such mildly-relativistic, collisionless, weakly-magnetized plasmas and compute

the resultant magnetic fields and particle energy spectra. We show the effects of varying plasma con-

ditions, as well as explore the validity of using different proton to electron mass ratios in VPIC. Our

results have implications for observing late-time electromagnetic counterparts to gravitational wave

detections of neutron star mergers.

Keywords: Astrophysics – plasma physics – stellar outflows

1. INTRODUCTION

The merger of compact binaries composed either of

two neutron stars or a neutron star and a black hole

have, for the past 4 decades, been invoked to explain a

wide range of astrophysical phenomena including short-

duration gamma-ray bursts (Paczynski 1991; Popham

et al. 1999), sources of r-process yields (Lattimer &

Schramm 1974; Norman & Schramm 1979) and origins

of gravitational waves (Cameron 1963; Clark & Eard-

ley 1977; Clark et al. 1979). A combination of theory

and observations have been used to strengthen these

claims. For example, early predictions for the offset

of short-duration gamma-ray bursts under the neutron

star merger paradigm (Fryer et al. 1999b; Bloom et al.

1999) ultimately were confirmed by observations, ce-

menting this progenitor for short-duration gamma-ray

bursts (Fong & Berger 2013). Similarly, increasingly de-

tailed studies both of neutron star merger events (De

Donder & Vanbeveren 2004) and galactic chemical evo-

lution (Argast et al. 2004; Komiya & Shigeyama 2016;

Côté et al. 2017, 2019) have shown that these mergers

can be the dominant site of r-process production, identi-

fying both the strengths and weaknesses of this r-process

source.

The concurrent detection of GW170817 in both grav-

itational and electromagnetic waves (Côté et al. 2017)

has dramatically strengthened this picture. Observing

the gravitational waves allowed us to identify a merger

event. The combined gamma-ray and radio observations

provided strong evidence that this merger produced a

relativistic outflow. The strong infrared signal also sug-

gests that the merger ejected r-process elements, but

with a large range of inferred yields (Côté et al. 2017).

A broad range of physical uncertainties make it diffi-
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cult to produce quantitative estimates of the r-process

ejecta from kilonova observations including the proper-

ties of the ejecta and the physics that shapes it and the

kilonova emission (e.g. Wollaeger et al. 2018; Zhu et al.

2018; Wollaeger et al. 2019; Fontes et al. 2020; Even

et al. 2020; Barnes et al. 2021; Zhu et al. 2021; Pognan

et al. 2022). One uncertainty originates in the different

sources driving the emission from these mergers, which

include radioactive decay, magnetar activity, fallback as

well as jet interactions.

As the gamma-ray burst’s jet decelerates, its

synchrotron-driven afterglow can contribute to emission

over a broad spectral range. However, the jet is not

the only source of emission. Thermal emission from the

material ejected in the merger (both dynamically and

through a disk wind) is believed to be powered by the

decay of radioactive isotopes in the outflow. Additional

energy sources for this thermal emission exist. For ex-

ample, a contribution by a magnetar/pulsar is possible if

the merged neutron-star core develops strong magnetic

fields and additionally does not collapse to form a black

hole (Metzger & Piro 2014; Piro et al. 2019; Wollaeger

et al. 2019). Another energy source arises from fallback

accretion. Ejecta moving at below the escape velocity

eventually decelerates and falls back onto the compact

remnant. The potential energy released as this mate-

rial accretes provides an additional energy source (Piro

et al. 2019; Wollaeger et al. 2019). Finally, interactions

between the jet and wind ejecta convert kinetic energy

to thermal energy and this shock heating turns into a

substantial contribution to the thermal emission (Na-

tivi et al. 2021). Disentangling these different sources re-

quires combined detailed calculations of broadband elec-

tromagnetic emission during the transient higher state.

As the ejecta becomes optically thin, the emission from

these different sources is not reprocessed and can con-

tribute to the non-thermal emission.

A less-studied source is the non-thermal emission from

the deceleration of the ejecta shock (Reynolds 2008;

Nakar & Piran 2011; Kyutoku et al. 2015; Hotokezaka

et al. 2016; Lee et al. 2018). Like the gamma-ray burst

afterglow, the ejected material will decelerate as it moves

through the interstellar medium surrounding the merger

and, at the front edge of this decelerating ejected mate-

rial, a shock is formed that can cause non-thermal emis-

sion. At first glance, this ejecta appears similar to the

shock produced in supernova remnants, since it is more

isotropic though less energetic than typical gamma-ray

burst jets that give rise to afterglow emission. Nev-

ertheless, the velocities of this ejecta tend to be a lot

higher than typical supernova remnants. In this paper,

we study the particle acceleration at the barely rela-

tivistic shock to non-thermal energies and the resulting

synchrotron emission.

Similar to supernovae, the ejecta shock can produce

non-thermal electrons that still power emission long

after thermal emission has dissipated. Both the low

masses and high velocities of the ejecta from neutron

star mergers indicate that this ejecta begins to deceler-

ate, thus entering the kilonova ”remnant” phase much

sooner than ordinary supernovae. In this paper, we cou-

ple hydrodynamic simulations of the ejecta (Section 2)

with particle-in-cell (PIC) calculations of the particle

acceleration within the shock to study the neutron-star

merger emission. Section 3 describes our PIC calcula-

tions and their results while Section 4 deals with the

synchrotron emission from these models. We conclude

with a discussion of the importance of these observations

and the prospects of future observations.

2. KILONOVA SHOCK CONDITIONS

To guide our PIC calculations, we must understand

the conditions in the shock generated by a kilonova.

Depending on the features of the compact binaries, the

ejecta properties (mass, velocity, composition) from a

neutron star merger can vary dramatically (for reviews,

see Kasen et al. 2006, 2017; Kawaguchi et al. 2018; Shi-

bata & Hotokezaka 2019; Wollaeger et al. 2021). Ve-

locities range from 0.05 to 0.5 times the speed of light

(although most lie in the 0.1-0.3c range). Detailed cal-

culations of these disks (e.g. Miller et al. 2019; Nedora

et al. 2021) have yet to fully model the properties of

the magneto-radiation-hydrodynamics disks and the full

evolution of the disk outflows remains an active area

of research. Typical ejecta masses are typicall between

0.001− 0.01M� (Côté et al. 2019). Because of both the

expected range of and uncertainties in the ejecta prop-

erties, our study will span a range of kilonova properties

both in mass and peak velocities.

As the shock progresses through the interstellar

medium surrounding the binary merger event, the prop-

erties of that circumbinary medium also affect our shock

properties. Because of the kicks imparted on neutron

stars at birth, the merger can happen far off of the

Galactic plane where the density of the surrounding

medium is low. In agreement with many observational

estimates of short-duration gamma-ray bursts, galac-

tic evolution calculations of these binaries have demon-

strated that these mergers can occur in a wide range of

circumbinary densities: 10−4 − 102 cm−3 (Wiggins et al.

2018; Fong et al. 2010).

To study this shock evolution and obtain a first pass

at the shock conditions (which we use to produce the

initial conditions in our PIC calculations), we use the 1D
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Model mejecta vshock ρCSM

(M�) (1010cms−1) cm−3

md3v17 0.001 0.17 10

md3v34 0.001 0.34 10

md3v50 0.001 0.50 10

md3v70 0.001 0.70 10

md3v80 0.001 0.80 10

md3v90 0.001 0.90 10

md3v40rm1 0.001 0.40 0.1

md3v40rm3 0.001 0.40 0.001

md3v80rm1 0.001 0.80 0.1

md2v40 0.01 0.40 10

md2v80 0.01 0.80 10

md2v120 0.01 1.20 10

md2v150 0.01 1.50 10

md2v230 0.01 2.30 10

md2v40rm1 0.01 0.40 0.1

md2v40rm3 0.01 0.40 0.001

Table 1. Range of the hydrodynamic models that we use
to determine realistic conditions at the shock front for the
particle-in-cell simulations. We vary the total mass of the
ejecta, the initial shock velocity and the number density of
the unshocked circumbinary material.

Lagrangian hydrodynamics code initially designed for

supernovae (Fryer et al. 1999a), modified (using a simple

γEOS = 5/3 equation of state) to follow the ejecta out to

large distances. Although this code assumes collisional

equilibrium conditions (Euler assumptions), as we shall

see in Section 3.2, turbulent magnetic fields that develop

in the shock cause conditions that approximately mimic

these Euler conditions. With this code, we calculate a

range of kilonova models varying the ejecta mass, peak

velocity and circumbinary density.

Our grid of models is listed in Table 1. This grid

spans the ejecta velocities, ejecta masses and circum-

stellar densities discussed above. The shock velocity as

a function of time for a selected set of those models 1.

Just as with a supernova remnant (Reynolds 2008), the
peak ejecta velocity is ballistic until it sweeps up suf-

ficient matter to decelerate the shock. The time when

this occurs depends on both the ejecta mass (increas-

ing with mass), ejecta velocity (decreasing with veloc-

ity) and circumbinary density (decreasing with density).

For most of our models, this deceleration occurs after

50d and, prior to this time, the Lorentz factor lies in the

range: 1.01 < Γ < 1.5 with more characteristic values

of: 1.1 < Γ < 1.3.

The corresponding density at the shock front as a

function of time is affected by this deceleration, but

is primarily set by the density of the circumbinary

medium. In our suite of models listed in Table 1, we

varied the circumbinary density from 0.001-10 particles

cm−3. The density at the shock front as a function of

Figure 1. Velocity as a function of time for 7 representative
models from our study (Table 1). The initial velocity is
determined by the binary properties and the conditions in
the merger disk. The shock velocity is ballistic until the
ejecta sweeps up sufficient mass to cause deceleration. In
most cases, this occurs beyond 50-100d.

time is shown in Figure 2. The shock density decreases

with time: ρshock ∝ t−2.

Figure 2. Density at the shock front as a function of time
for the suite of models shown in Figure 1. The density at
this shock front decreases roughly with time: ρshock ∝ t−2.

Determining the temperature of this shock is more

difficult. To determine the pressure, we assumed the

electrons and ions are in equilibrium, described by a

Maxwellian. As we shall see, our PIC calculations show

that the magnetic fields generated in the shock can

mimic a collisional shock, helping to drive to such an

equilibrium. If we further assume that the electrons and

photons equilibrate and the photons are additionally de-

scribed as a Planckian, we can estimate the temperature

of this gas. Figure 3 shows the shock temperature as a

function of time for our shock models based on these

equilibrium assumptions.
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Figure 3. Temperature at the shock front as a function of
time assuming the bulk of the energy is converted into radi-
ation energy for the suite of models shown in Figure 1. The
coupling between electrons and radiation is not perfect and
this temperature marks a lower limit on the shock tempera-
ture.

The corresponding luminosity from this shock assum-

ing blackbody emission is shown in Figure 4. Again,

this calculation assumes full coupling between ions, elec-

trons and photons. In this local thermodynamic equi-

librium scenario with the temperatures of all particles

equal, the energy from the shock is deposited almost en-

tirely in the radiation. At such low densities the ions,

electrons and photons may not be fully coupled and

their energy distributions may not be described by a

Maxwellian/Planckian. Both our spectra and luminosi-

ties will therefore be affected by deviations from equi-

librium.

To understand these deviations, we must understand

how the shock energy is distributed into different parti-

cles. The shock energy initially flows into the ions that

then couple to the electrons, which themselves couple to

the radiation. Since the energy distribution of the elec-

trons will be at lower energies than the ions’ respective

distribution, the ions and electrons are actually not fully

coupled. In addition, the electrons are also not fully cou-

pled to the radiation so that much of the energy remains

in the ions and electrons. Accordingly, the electron’s ef-

fective temperature is higher and the radiation spectra,

which will not follow a blackbody distribution, will likely

have much higher energies than those predicted here.

The goal of this paper is to study these conditions us-

ing particle-in-cell calculations to determine the extent

at which these equilibrium solutions are appropriate.

We know that a subset of the electrons will be acceler-

ated beyond the energies predicted by these equilibrium

and we will discuss the nonthermal emission from these

models in Section 3.

Figure 4. Luminosity of the shock as a function of time
assuming the bulk of the energy is converted into radiation
energy for the suite of models shown in Figure 1.

3. PARTICLE-IN-CELL SIMULATIONS

We use LANL’s VPIC code (Bowers et al. 2008) for

the particle-in-cell (PiC) simulations. Like most other

electromagnetic PiC codes, this code loads a large num-

ber of computational particles into a simulation domain

that contains a grid for currents and field quantities.

The currents from moving particles are calculated and

interpolated onto the grid. From those grid conditions,

the electric and the magnetic fields are updated using

Maxwell’s equations. They are then subsequently in-

terpolated to the positions of the particles, which are

pushed by the Lorentz force using the Boris push.

3.1. Simulation Setup

For this project we do a grid of calculations varying

proton-to-electron mass ratios, orientation of the mag-

netic fields, strength of the magnetic field relative to the

energy density (plasma beta: β = energy density di-
vided by the magnetic field energy density) and Lorentz

factor of the ejecta (Γ). The fiducial values for these

parameters is as follows: The proton-to-electron mass

ratios is typically mi/me = 100, which is sufficient to

get good scale separation between electron and proton

physics, including an electrostatic cross-shock potential

and little variation of final results to further increased

of the mass ratio. The shock-normal angle between the

upstream flow direction and the upstream magnetic field

is 60 degree, producing oblique shocks with efficient par-

ticle acceleration in the barely relativistic regime. This

is consistent with the assumption that the shock propa-

gates into the interstellar medium with a randomly ori-

ented magnetic field, which is likely to be oblique to

the radial direction. The plasma beta β is typically

β = 10, much larger than in most other kinetic simula-

tion studies. This leads to shock velocities on the order
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of 1.1·1010cm/s, well within in the range given by Fig. 1.

In the interstellar medium, through which most kilonova

explosions propagate, the value for β ≈ 1−10(Kulsrud &

Zweibel 2008). For gamma-ray burst studies, the post-

shock values lie somewhere between 1-100(Panaitescu &

Kumar 2002; Panaitescu 2005). The flow speed of the

the upstream is typically such that Γ = 1.047, lower

than most previous studies. This is realistic for later

stage outflow, but comes at an increased computational

cost for the shock to form and the particle distribution

to reach steady state. Consequently our simulation set-

up is quasi 1D. Only the x direction of Lx = 1800di
is resolved by Nx = 38912 cells. The z direction is

Lz = 0.049di and is resolved by just Ny = 8 cells.

The y direction is unresolved and described by a sin-

gle cell. The cell size is sufficient to resolve the De-

bye length and all larger kinetic length scales. In veloc-

ity space, all three components of the particle velocities

retain all three components as well as the electromag-

netic fields and currents. As such, we term these sim-

ulations 1D3V. The left boundary at x = 0 is set to

be a reflecting, conducting wall in the downstream ref-

erence frame. Differing from its left counterpart, the

right boundary is set as an absorbing wall while the

walls in the y and z directions are set periodic, allowing

particles to reappear on the other side of the bound-

ary if they leave the simulation’s boundaries. Particles

are loaded with a Maxwellian distribution of temper-

ature kBT = 0.005mec
2 = 2.555keV. This is some-

what higher than the temperatures commonly assumed

for the hot ionized medium (0.1 – 1keV) but increases

the cell size and time step length to reduce the com-

putational cost without affecting the physics results un-

duly. All particles initially belong to the upstream and

are given mildly relativistic upstream bulk flow speed

in the negative x-direction towards the reflecting wall.

For each case, 100 particles per cell per species are used.

The time-step ∆t is set to 0.9 of the maximum allowed

by the CFL condition in two dimensions. All runs are

performed in normalized units, which includes setting

the initial upstream density to unity in VPIC. This is

permissible since our plasma is collisionless and no pro-

cesses that are non-linear in the plasma density are mod-

eled here. To convert results to physical units in post-

processing we need to pick a realistic value for this den-

sity from Fig. 2.

We vary the input parameters around our fiducial run.

As with many PIC calculations of shocks, we lower the

proton to electron mass ratio to reduce simulation cost,

but vary this ratio using 3 values (42, 100, 200) to test its

importance. We have also considered a range of differ-

ent oblique angles between the magnetic fields and the

x axis, using 45◦, 55◦, 60◦, 72◦ and 90◦. We did runs

with different magnetic field, resulting in β = 10, 30, 50

and we modified the upstream flow speed corresponding

to Γ=1.047, 1.1 and 1.3 in different runs. The Numeri-

cal Cherenkov Instability (NCI) is not of major concern

here since our velocities are only mildly relativistic and

the fraction of highly-relativistic, non-thermal particles

remains small.

3.2. Electron Distribution

Figure 5. Electron density profile for all mass ratios, β
and Γ for the same timestep. β0.5 has the most relaxed
downstream due to a stronger initial magnetic field. Γ1.1

and Γ1.3 have the largest downstream due to initial upstream
velocities.

Figure 6. n(x, t) plot for mp/me=100 at 60◦. The x axis
is in the ion inertial length. y axis is time × ion plasma
frequency. The shock forms at around 300ω−1

pi . After that
the shock front moves a nearly constant speed and the down-
stream shows the typically ripples.

One of the key results of our calculations is the re-

sultant nonthermal electron energy distribution, usually



6 .

fit by a power-law. Spectral indices of p=-4 are ex-

pected for non-relativistic diffusive shock acceleration

(DSA) where we expect p = −3r/(r − 1) (Bell 1978;

Blandford & Ostriker 1978; Drury 1983; Blandford &

Eichler 1987). For increasingly relativistic shocks with

larger Γ (see below) we expect this to harden since

Fermi acceleration becomes more important that leads

to p = −(r + 2)/(r − 1) ≈ 2. In this section, we review

our simulation grid, focusing on the power-law index of

the electron energy distribution.

The results from our grid of models are summarized

in Table 2 and Table 3. Results with varying oblique

angles are shown in Table 2 and results for oblique an-

gle 60◦ are shown in Table 3. The 60◦ angle produces

the most-pronounced non-thermal tail of electrons with

a relatively hard spectrum and is close to the critical an-

gle that separates subluminal and superluminal shocks.

Sironi & Spitkovsky (2010) also found a particularly pro-

nounced tail of energetic electrons for θ ≈ θcrot, but at

a relativistic upstream Γ. Xu et al. (2020) also found

that the optimal angle is between 60 and 70 degree, for

a non-relativistic shock similar to ours.

All of our simulations produced a well developed

shock, which can be seen in Figures 5 and 6. These

runs are representative of the results since the values for

both Γ and β are reasonable. As displayed in the ob-

tained electron density profiles n(x, t) and quite similar

compression ratios, these results are reasonable. Figure

5 shows the electron density profiles at timestep 400000.

At this time for all models, a well developed down-

stream, an overshoot and an unperturbed upstream ex-

ists. The shock produces a compression ratio for all

simulations that are close to nd/nu = 4 where nd is

the downstream density and nu is the upstream den-

sity. Such a density jump indicates that we are ap-

proaching the strong shock limit, which for an ideal gas

with γEOS = 5/3 converges to a compression ratio of

(γEOS + 1)/(γEOS − 1) = 4 (Balogh & Treumann 2013).

For bulk properties of the downstream, this justifies the

hydrodynamic calculations in Section 2. But note that

the shock profile shows distinct features such as an over-

density right at the shock front itself as well as lower

density regions that settle to a steady state over a finite

width of the downstream. Emission mechanics and other

processes that depend on local density squared (such as

e.g. charge exchange collisions) would be sensitive to

these variations in density which could lead to a empha-

sis of the shock front in observed emission. The shock

in the run with Γ = 1.1 has progressed farther since the

larger upstream velocity also leads to a larger shock ve-

locity in the downstream frame. This trend continues

with that run that as an upstream with Γ = 1.3.

Figure 6 is a stacked plot of density profiles n(x, t)

for the run with mp/me = 100, β10 and Γ = 1.047.

In this plot we can see fluctuations and ripples in the

downstream and a constant shock speed of vsh = 0.109c.

This shows that this run was run long enough so that it

has a well-developed downstream.

To limit the number of simulations, we do not cover

the full parameter phase-space. Instead, we conduct a

series of studies where all but one parameter is held

fixed. For example, using a proton to electron mass

ratio set to 42 (≈
√

1836), a plasma beta β = 10 and

Γ = 1.047, we varied the normal shock angle to examine

how the angle of the initial magnetic field affects our

powerlaw tails. These values are listed in Table 2. For

these runs, the simulated power-law values are much

steeper than used in gamma-ray burst studies (which

assume p ≈ −2), ranging from -3.7 to -11.9. The flattest

power-law value is produced when the magnetic field

angle with respect to the shock is 60◦.

The values of the ratio eB/kE are also higher than the

the typical 0.01-0.1 ratio commonly used in the litera-

ture. Since this quasi-normal angle produced the most

optimistic results for synchrotron emission, we fixed the

angle accordingly (at 60◦) and focused our study on the

other parameters. Table 3 shows the results where we

vary both the proton to electron mass ratio and the

plasma beta. The results from our mildly relativistic

shocks lie in between the non-relativistic and relativistic

values. In addition, increasing the mass ratio directly af-

fects the power law’s slope, which correspondingly starts

decreasing. There is a drastic change from mp/me=42

to mp/me= 100. The highest mass ratio of all used,

mp/me=200 features the hardest powerlaw tail.

For our next group of simulations we chose a fixed

mass ratio of 100, varying the values for the plasma beta

and the shock Lorentz factor. We examined runs with

β = 7, 10, 30 and 50. Although we ran simulations for

β smaller than 7, those aren’t as applicable to the envi-

ronment of our simulations. Figure 8 shows power-law

fit plots for different β with the fixed mass ratio of ex-

actly 100. Increasing β, thus decreasing initial magnetic

field, led to steeper slopes. The only exception, the run

incorporating β3 has a larger slope than β30 and almost

the same as β50. The trend is that if we keep decreasing

β, the obtained powerlaw tail will become steeper. Run-

ning simulations in full 3d and for a longer time might

modify this trend since current driven instabilities might

produce a stronger magnetic field – capable of scattering

particles – at the shock front in that case.

In the next subsection we will also explore how chang-

ing the Lorentz factor Γ affects the number of non-

thermal particles. For now we focus on the spectral
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normal Bd/Bu nd/nu EB/Ek -p

shock◦

45 2.90 7.92 0.2983 -7

55 2.75 3.14 0.2583 -7

60 3.01 3.25 0.2561 -3.73

72 2.51 2.31 0.2842 -11.45

90 2.85 2.87 0.1898 -11.88

Table 2. Results for runs with mp/me=42. Bd/Bu is the
magnetic compression ratio, nd/nu is electron density com-
pression ratio. All angles besides 60◦ had steep slopes. 72◦

and 90◦ had the steepest slopes.

shape. When comparing Γ= 1.047, 1.1 and 1.3 the one

that has the steepest powerlaw tail is 1.047. We are still

in the mildly relativistic regime and larger bulk speeds

of the upstream provide additional free energy that can

harden the power law distributions of the non-thermal

electrons, so we expect that the slops of the runs with

Γ 1.1 and 1.3 should be shallower than for the run with

Γ = 1.07. This comparison is complicated by the fact

that two of the runs have a shallower shoulder at inter-

mediate energies as seen in Figure 9. For the run with

Γ = 1.047 this should has a slope of p = −3.39 which

softens to p = −7.3 in the tail of the distribution. For

a higher Γ of 1.1 this shoulder vanishes and we get a

single powerlaw with p = −7.29. Overall this contains

more energetic particles without making the tail end of

the distribution significantly harder. For Γ = 1.3 the

shoulder appears again, with a p = −2.1 (fit not shown)

and a tail that has hardened to p = −4.84. Additionally

the number of energetic particles has increased. Since

we find that the distribution functions are not simple

power laws, we compute the synchrotron radiation from

the full distribution functions instead of making power

law approximations.

Figure 7. Powerlaw fit for 60◦, β 10 with different mass
ratios. Apparently the mass ratio matters because increasing
it causes a steeper power law tail.

3.3. Non-thermal Particles

Figure 8. Powerlaw tail fit for β10, β30 and β50 with
mi/me = 100.

Figure 9. Powerlaw tail fit for Γ=1.047, 1.1 and 1.3.
Increasing Γ caused the overall powerlaw tail to become
steeper. -p for Γ=1.3 is steeper than Γ=1.1 due to unex-
pected intermediate spectral breaks.

mp/me β Bd/Bu nd/nu EB/Ek -p

42 10 3.31 3.08 0.235 -3.63

100 7 2.89 2.96 0.383 -3.34

100 10 3.36 3.37 3.32 -3.39

100 30 2.27 3.702 0.1791 -3.7

100 50 1.79 3.156 0.146 -4.16

200 10 2.96 3.25 0.3843 -2.66

Table 3. Results for 60◦ angle. Bd/Bu is the magnetic
compression ratio while nd/nu describes the compression ra-
tio of the electron density. eB/kE is the energy of the aver-
age downstream magnetic field divided by the kinetic energy.
B2
d/8/π /upstream kinetic energy p particle spectral index.

To calculate the fraction of electrons in the power law,

we fit a Maxwell-Jüttner (MJ) Distribution to the low-
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mp/me β Γ NHE/NMJ γM kBTe/mec
2 kBTi/mec

2

42 10 1.047 0.714 4.5 0.37 0.03

100 10 1.047 0.230 7 0.53 2.6

100 10 1.1 0.028 13 1.2 6.5

100 10 1.3 0.062 42 3.8 18.0

100 30 1.047 0.180 7 0.7 2.6

100 50 1.047 0.317 7.7 0.8 3.3

200 10 1.047 0.109 10 1.03 6.0

Table 4. Thermal ratio for each run. kBTe/mec
2 is electron

temperature in the downstream, kBTi/mec
2 is ion tempera-

ture in the downstream.

energy part of our particle spectra to get

fMJ(u) =
u
√

1 + u2

ΘK2( 1
Θ )

e−
√

1+u2

Θ (1)

where u = βγ, β =
√

1− 1/γ2, γ = 1/
√

1− v2/c2, rel-

ativistic temperature Θ = kBT/mc
2, K2 is the modified

Bessel function of the second kind. The Maxwell-Jüttner

distribution is then subtracted from the actual distribu-

tion function to obtain the distribution function of the

high energy (HE) particles:

fHE(u) = f(u)− fMJ(u) . (2)

All negative values, where the MJ distribution predicts

larger numbers than we actually have, are set to zero.

After that the MJ distribution is integrated to get the

number of particles following the MJ distribution,

NMJ =

∫
fMJ(u)du , (3)

before the number of high energy particles is computed

analogously:

NHE =

∫
fHE(u)du . (4)

The ratio of these two, NHE/NMJ, is taken ultimately.

This ratio changes with changing the Lorentz factor

Γ. Our hydrodynamic models pointed at Lorentz factors

between Γ=1.01 and Γ=1.3. We ran these simulations

with mass ratio 100. Results for these runs can be seen

in Tables 3 and 4. In simulations of relativistic shocks

with Γ = 15 Sironi & Spitkovsky (2010) found that non-

thermal electrons are about 13 percent by number and

contain about 35 percent of the electron kinetic energy.

In mildly relativistic simulations with Γ = 1.5 Crumley

et al. (2019) found that the number fraction of non-

thermal electrons is about 5 · 10−4. In non-relativistic

simulations with Γ = 1.005 Park et al. (2015) found

a similar number fraction of injected electrons. These

numbers however only count particles above a minimum

injection energy where we count all excess particles that

exist in addition to the number of particles predicted

from a Maxwell-Jüttner-distribution fitted to the lower

energy part of the distribution. We see a slight drop

in NHE/NMJ with increasing mp/me, but the ratio is

also affected significantly by the choice of plasma β so we

limit our conclusion to the observation that there can be

about 10 percent of particles that have more energy than

expected from the thermal distribution that is employed

in hydrodynamic simulations.

4. SYNCHROTRON RADIATION

To determine the spectra and luminosity of our shocks,

we calculate the synchrotron emission from the particle

distribution generated within the PiC simulation. This

is done as a postprocessing step, which in turn means

that we do not consider synchrotron cooling within the

simulation. This approach is valid since the cooling time

scale exceeds the typical simulation time.

The synchrotron emission coefficient is calculated us-

ing the Melrose-approximation:

jν =
1

4π

∫ ∞
1

dγ n(γ)Pν,s(γ) (5)

≈
√

3Be3β2

4πmc2

(
ν

ν0

)1/3 ∫ ∞
0

dp n(p)

(
1 +

( p

mc

)2
)−1/3

× exp

− ν

ν0

(
1 +

(
p
mc

)2)
 . (6)

Electron momentum histograms from the simulation are

used to numerically integrate Eq. (6) which yields the

synchrotron emissivity right away. The process of syn-

chrotron emission is accompanied by the possible ab-

sorption of the very synchrotron photons by particles in

the plasma. This is called synchrotron self-absorption

(SSA). The general idea of this process is related to

the Einstein coefficients for emission, spontaneous and

stimulated emission in a continuum. Further details

are given in Rybicki & Lightman (1985). The deriva-

tion given there is strictly limited to ultra-high ener-

gies, which is a scenario not applicable here. A detailed

derivation of the SSA coefficient αν,SSA and correspond-

ing optical thickness τν,SSA suitable for the mildy rela-

tivistic setting is given in Appendix A.

Synchrotron emissivity (jν) and optical thickness are

combined assuming emission from a shell with radius

RS, a thickness dshock, and a luminosity distance lD. To

get a realistic value for RS we use the results from the

hydrodynamics code which indicate that at one day after

the kilonova RS ≈ 2 · 1015 – 2 · 1016cm which expand to

about 3 · 1017cm by the third day. The spectral energy
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distribution is then accordingly given as

Fν =
4πR2

S

l2D
× dshock × jν × exp [−αν,SSA × dshock] .

(7)

Hz

Figure 10. Optical depth τν,SSA = dshockαν,SSA, syn-
chrotron emissivity jν and Iν for the simulation with mass
ratio 100 in the downstream left to the shock. The dashed
line indicates the τν,SSA = 1 limit, where emission becomes
optically thin.

Hz

Figure 11. Spectral energy distribution Fν for RS = 1016

cm and a luminosity distance lD = 1 Mpc for β=10,30,50.

Fig. 10 shows that the source becomes transparent at

around 8 × 108 Hz. At this frequency the emission is

dominated by non-thermal electrons, while at lower fre-

quencies thermal electrons emit (and absorb) the syn-

chrotron photons. The flux shows a spectral index of

about −1. Due to the direct correspondence between

particle momenta and frequencies the spectrum spans

one and a half magnitude as the powerlaw tail of elec-

trons does. Simulations with drastically higher particle

numbers could yield a more extended spectrum.

Hz

Figure 12. Spectral energy distribution Fν for RS =
1016 cm and a luminosity distance lD = 1 Mpc for
γ=1.047,1.1,1.3.

For the arbitrary model parameters (source at 1 Mpc)

we reach a flux of multiple 0.1 mJy which is likely to

be observed. The peak flux is not inhibited by simula-

tion constraints, i.e., larger simulations or more particle

statistics will not change the flux.

Synchrotron cooling has not been taken into account

as mentioned above. This will only play a role at much

later times and will lead to a break in the spectrum

moving to lower frequencies. The cooling time may be

estimated, but the position of the break is the product of

cooling and (varying) acceleration efficiency. PiC sim-

ulations allow for a detailed analysis at a certain time,

but no long-time analysis over days and weeks.

4.1. X-rays from Non-Thermal Emission

In the previous section radio emission through the syn-

chrotron process has been described. The emission from

shock acceleration may reach much higher photon en-
ergies (Sari et al. 1998). The formalism presented here

is capable of accounting for this emission, but particle-

in-cell simulations are limited in predicting the particle

distribution at highest energies. This is on the one hand

limited by statistics: In order to cover the particle dis-

tribution at energies one order of magnitude higher the

particle density would have to increase more than 100

fold. On the other hand the maximum energy of par-

ticles is also governed by a larger volume around the

shock not covered in the small subvolume ascertainable

by particle-in-cell simulations.

From the theory of particle acceleration we may ex-

pect to see particles accelerated to higher energies by the

mechanism explored here and as consequence photons

of higher energies (Sadeh et al. 2023). However, many

of these models rely on low electron spectrum indices

(2-2.5). While appropriate for highly-relativistic jets,
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as we have shown here, such low powers are not pro-

duced in the mildly-relativistic kilonova outflows. We

do, however, have no direct hints from the simulation

what would be the highest energy. It is in turn also futile

to predict inverse Compton scenarios where synchrotron

photons are upscattered by the accelerated electrons

(Reynolds 2008; Mei et al. 2022). The simulations at

hand are not in contradiction to such a model, but due

to the low electron energies in the simulation the calcu-

lation of the inverse Compton flux is not feasible.

5. CONCLUSIONS

The emission from neutron star mergers is powered

by a number of sources: nonthermal emission from the

relativistic jet and its ensuing afterglow, thermal emis-

sion from the material ejected from the merger and disk

wind and the remnant emission as the ejecta propagates

through the interstellar medium. In this paper, we fo-

cused on this latter ejecta remnant evolution and emis-

sion. Using equilibrium remnant (Euler) calculations as

a guide for the initial conditions, we have run a suite of

particle-in-cell (using VPIC) calculations of the shock

propagation. Although these calculations slowly con-

verge toward a γ = 5/3 equilibrium shock, the devia-

tions from the Eulerian shock solution can dramatically

alter the emission.

We study the dependence of the shock evolution on

a range of shock properties (orientation and energy in

the magnetic field, velocity and density of the shock).

We determine the fraction of electrons that are shock-

accelerated into a power-law distribution which, depend-

ing on the model, ranges from 3-70%. The inferred

power law (p) of this distribution is higher (−pmore neg-

ative) than the power-law distributions used for gamma-

ray burst afterglows. The canonical power p is roughly

2.2-2.3 for gamma-ray bursts (although see Shen et al.

2006). The power for our electron distributions are

2.6 − 4.2 for a 60◦ angle orientation of the magnetic

field. These higher values of the power are expected

for our non- or mildly-relativistic outflows of the ejecta

remnant. As the shock becomes non-relativistic, we ex-

pect this value to rise to ∼ 4 (Bell 1978; Blandford &

Ostriker 1978; Drury 1983; Blandford & Eichler 1987)

or even softer once we are no longer in the strong shock

limit and the compression ratio is appreciably reduced.

We note that the power is very sensitive both physi-

cal (magnetic field orientations) and numerical assump-

tions. We have focused on the 60◦ angular orientation

with respect to the shock, but the power-law distribu-

tion could be much steeper resulting in fewer high energy

electrons with different magnetic field orientations. An

important commonly-used numerical assumption is the

reduction of the proton-to-electron mass ratio. To make

calculations tractable, most simulations reduce this ra-

tio from the actual value of 1836.2. Somewhat higher

mass ratios than used here would be possible for the

quasi-onedimensional setup used here, but runs at the

natural mass ratio are prohibitively expensive. If the

chosen value is too low (corresponding to a larger effec-

tive electron mass), the number of electrons accelerated

in the shock to high energies is reduced. Our high val-

ues are, in part, due to the approximations in our VPIC

calculations.

The higher powers in the electron distribution mean

that the emission from the ejecta remnant are strongest

at longer wavelengths. We find that the X-ray flux from

these ejecta remnants is negligible. The radio signal sig-

nal would be detectable for a source at a fiducial distance

of 1 Mpc at about one day after the kilonova when it is

RS = 1016 cm in radius within seconds with the Green

Bank radio telescope. Using Lorimer & Kramer (2005);

Proposer’s Guide for the Green Bank Telescope (2023)

we computed that the observing time required for a de-

tection at 5 sigma significance is just 28 seconds for a

flux of 0.8 mJy at 1.4 GHz. Observing conditions per-

mitting it might even be possible to detect the source

with 5 sigma significance in just 7 seconds at a flux of

10 µJy in the 38.2−−49.8 GHz band. To obtain a spec-

tral index a somewhat longer observation is required,

but 15 to 20 minutes should be sufficient. However for a

larger distance of 40Mpc, the flux at 1.4 Ghz would be

reduced to 0.5 µJy and the time for a detection would

jump up to an unmanageable 200 days.
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APPENDIX

A. CALCULATION OF THE OPTICAL THICKNESS

We will use Eq. (6.46) from Rybicki & Lightman (1985)

αν =
c2

8πhν3

∫
d3p2 (f(p∗2)− f(p2))P (ν,E2) . (A1)

Here p2 is the momentum of the electron before emitting a synchrotron photon and p∗2 is the momentum related to

the energy E2 − hν. This equation is derived under the assumption of an isotropic electron distribution f(p).

Let’s examine p∗2 in more detail:

E2
2 = p2

2c
2 +m2c4 (A2)

(E2 − hν)2 = p∗22 c
2 +m2c4 (A3)

p∗22 =

(√
p2

2c
2 +m2c4 − hν

)2

−m2c2 (A4)

p∗22

m2c2
=

1

c2

(√
p2

2

m2c2
+ 1− hν

mc2

)2

− 1 . (A5)

The complicated form of this expression can be simplified in the ultra-relativistic case, where E = pc.

We will estimate the difference f(p∗2)− f(p2) by a derivative

f(p∗2)− f(p2) = (p∗2 − p2)
∂f

∂p

∣∣∣∣
p=p2

. (A6)

This is obviously only true, when the momentum loss per photon emission is comparably small (this excludes the

ultrarelativistic limit). With Eq. (A5) Eq. (A1) now reads

αν =
c2

8πhν3

∫
dp2 4πp2

2 (p∗2 − p2)
∂f

∂p

∣∣∣∣
p=p2

P (ν,E2) . (A7)

The spectral power density becomes in the delta-approximation (or monochromatic approximation)

Pν(γ) ≈ βs
(

1− 1

γ2
)

)
δ(ν − νc) (A8)

= βs
p2

m2c2 + p2
(A9)

βs =
2

3

e4B2

m2c3
(A10)

νc =
3

4

eB

πmc
γ2 (A11)

=
3

4

eB

πmc

(
1 +

p2

m2c2

)
. (A12)
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Evaluating the delta distribution using the transformation rule for delta distributions returns:

δ(ν − νc) =

(∣∣∣∣∂νc(p)∂p

∣∣∣∣
p=p0

)−1

δ(p− p0) (A13)

p0 = mc

√
4πmc

3eB
ν − 1 (A14)

∂νc
∂p

=
3

2

eB

πm3c3
p (A15)

∂νc
∂p

∣∣∣∣
p=p0

=
3eB

2πm2c2

√
4πmc

3eB
ν − 1 . (A16)

This then yields a lengthy expression for the synchrotron self-absorption coefficient αν,SSA, which depends on the

derivative of the distribution function with respect to the momentum p:

αν,SSA =
∂f

∂p

∣∣∣∣
p=p0

Θ (p0)
ce2(4πmcν − 3eB)2

54hν4−(mc)2 +m

√
eB

4πmcν − 3eB

√
4πm3c5ν

eB
− 4chν

√
3πν(mc)3

eB
− 3m2c4 + 3(hν)2

 (A17)
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ABSTRACT

Stripped-envelope supernovae (SESNe) are a subclass of core-collapse supernovae that are deficient in hydro-

gen (SN IIb, SN Ib) and possibly helium (SN Ic) in their spectra. Their progenitors are likely stripped of this

material through a combination of stellar winds and interactions with a close binary companion, but the exact

ejecta mass ranges covered by each subtype and how it relates to the zero-age main-sequence progenitor mass

is still unclear. Using a combination of semi-analytic modeling and numerical simulations, we discuss how the

properties of SESN progenitors can be constrained through different phases of the bolometric light curve. We

find that the light curve rise time is strongly impacted by the strength of radioactive nickel mixing and treatment

of helium recombination. These can vary between events and are often not accounted for in simpler modeling

approaches, leading to large uncertainties in ejecta masses inferred from the rise. Motivated by this, we focus

on the late time slope, which is determined by gamma-ray leakage. We calibrate the relationship between ejecta

mass, explosion energy, and gamma-ray escape time T0 using a suite of numerical models. Application of the fit-

ting function we provide to bolometric light curves of SESNe should result in ejecta masses with approximately

20% uncertainty. With large samples of SESNe coming from current and upcoming surveys, our methods can

be utilized to better understand the diversity and origin of the progenitor stars.

Keywords: radiative transfer — supernovae: general — supernovae: stripped

1. INTRODUCTION

The broad classification of stripped-envelope supernovae

(SESN) refers to core-collapse supernovae (CCSNe) that

have lost most or all of their outer hydrogen (SN IIb

and SN Ib, respectively) and possibly helium (SN Ic) en-

velopes prior to explosion (for reviews of SN classifica-

tion, see Filippenko 1997; Gal-Yam 2017). Understand-

ing the progenitors of these events and the ways in which

they differ from more traditional SNe II provides insight

into the life cycles of massive stars and what events impact

their evolution near death. In a few instances, Type Ibc

progenitors have been identified in pre-explosion imag-

ing (e.g., Eldridge & Maund 2016; Van Dyk et al. 2018;

Kilpatrick et al. 2018; Xiang et al. 2019), but in the vast

majority of cases the progenitors are too dim and distant to

use such techniques. It is therefore crucial to use the SNe

themselves to study the properties of their progenitors.

One especially important parameter is the ejecta mass, Mej,

because it can be used to discriminate between different ori-

gins of SESNe and relating it to the zero age main sequence

(ZAMS) mass, MZAMS, teaches us about the mass loss pro-

cess. The ZAMS mass ranges covered by different classes

of SESN is still unclear, as well as whether or not those

mass ranges represent discrete groups of progenitors or a

continuous distribution (Ouchi & Maeda 2017). A lack of

clearly disparate masses between SESN subtypes may pro-

vide more evidence that SESN result mainly from binary

evolution channels (Lyman et al. 2016). Single-star evolu-

tion requires a radiatively driven wind to remove the outer

envelopes, which is only possible in especially massive stars,

however the number of observed SESN is too high to ex-

plain the majority with such high mass stars (Smith et al.

2011; Smith 2014; Sravan et al. 2019; Dessart et al. 2020),

and that traditional stellar wind prescriptions cannot read-

ily explain high mass loss rates inferred for certain progen-

itors (Ouchi & Maeda 2017). Newer results from Sun et al.

(2022) support a hybrid process to generate SN Ic progenitors

where the hydrogen envelope is stripped via binary interac-

tions and the helium envelope is driven off by winds. This

would still require sufficiently massive stars, though the ex-

act ZAMS masses needed are still debated. Searching for any

correlations between explosion parameters and SESN classes

brings us closer to understanding these progenitors and the

late stages of evolution for massive stars.

Two of the most common ways to constrain Mej from SN

light curves is using the rise time (e.g., Arnett 1982) and the

decaying tail (e.g., Colgate et al. 1980). As we further ar-

gue below in Section 2, using the rise is less reliable due to

differences between events that are not captured in simple fit-

http://arxiv.org/abs/2305.12005v1
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ting models. Wheeler et al. (2015) in shows empirically that

there are inconsistencies in the parameters derived from the

rise and tail of SESNe. Motivated by this, we focus on the

decaying tail method and calibrate it to numerical models so

that it can be better utilized to estimate Mej. In Section 3,

we describe the suite of numerical SESN models we ran and

our methods for constraining the relationship between Mej,

explosion energy, and late time slope. In Section 4, we re-

port and discuss our results, and in Section 5, we explore the

uncertainties in the derived Mej introduced in our numerical

models. In Section 6 we conclude with a summary of our

results.

2. RISE VS DECLINE

As described above, the most common ways to constrain

Mej from SN light curves are via the rise and tail. Here we

compare and contrast how different physical assumptions can

impact the Mej inferred from these methods.

The often utilized relationship between ejecta mass and

rise time of the light curve is (Arnett 1982):

trise ∝

(

κMej

vphc

)1/2

, (1)

where κ is the opacity, vph is the velocity of the photosphere,

and c is the speed of light. To understand how various model-

ing assumptions impact the shape of the early light curve, we

compare with a fiducial model of a 12M⊙ ZAMS star that

experienced mass transfer with a binary companion in the

open-source code SNEC (Morozova et al. 2015). The core of

the star, defined as the mass coordinate of the Si/O shell in a

given model, is excised to represent the formation of a neu-

tron star. The nickel mass is set to be 0.1M⊙ and is mixed

out to a mass coordinate of 0.5Mej. We choose this boundary

to represent moderate mixing. More details on our numerical

setup are provided in Section 3. We next vary the proper-

ties of the explosion around this fiducial model to explore the

impact on the rise and tail.

2.1. Recombination

Many semi-analytic modeling techniques assume a con-

stant opacity everywhere within the ejecta, directly impact-

ing the ejecta mass derived for a given rise time. This as-

sumption can be limiting because opacity evolves both spa-

tially and in time with the temperature and composition of

the ejecta, which may be different between the SESN sub-

types (Lyman et al. 2016). Wheeler et al. (2015) argues that

recombination near light curve peak can decrease the opac-

ity in outer, recombined layers and impact the relationship

between trise and Mej (see also Piro & Morozova 2014a). We

explore the impact of recombination by varying the minimum

opacity value we allow SNEC to reach, effectively allowing
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Figure 1. (Top) Two simulations of our MZAMS = 14M⊙ model in

which we vary the opacity floor, effectively controlling the amount

of recombination that is allowed to happen in the outer layers of the

ejecta. The blue light curve, which represents significant recom-

bination, rises significantly faster and to a brighter peak than the

red (no recombination) light curve, but the two begin declining to-

gether at 60 days . (Bottom) Two simulations of our MZAMS = 14M⊙

model in which we vary the strength of 56Ni mixing. As expected,

the stronger mixing light curve (green) rises faster and to a slightly

brighter peak. While the two light curves do not totally decline to-

gether in the radioactive decay phase, the tails have nearly the same

slope.

more or less recombination to occur in the outer layers of

the ejecta. The effect on the light curve rise is seen in the

upper panel of Figure 1, where we compare a low opacity

floor of 0.001cm2 g−1 to a larger opacity floor of 0.1cm2 g−1

(roughly the value of singly ionized helium-rich material).

This shows that for otherwise identical models, an increased

opacity floor causes the the rise time to be slower. Despite

this, the decay tails of the two models coincide and are not

affected by whether recombination is included in the explo-

sion model.

Another way to think about this is that the rise time tracks

the mass contributing to diffusion rather than the total ejecta

mass. One implication from Lyman et al. (2016) is that

SNe Ib and SNe Ic have similar distributions of explosion

parameters, in particular Mej, which may indicate a common

progenitor. However, because helium has a higher ionization

temperature than carbon and oxygen, for a given temperature

evolution, models with a significant helium envelope leftover

(SNe Ib) are more likely to experience recombination, caus-

ing a smaller amount of mass to contribute to diffusion. With

this in mind, it is possible that the results of Lyman et al.
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(2016) actually indicate that SNe Ib and SNe Ic have similar

diffusion masses, while there is a portion of the ejecta mass

above the photosphere with κ∼ 0 that is not being probed in

SNe Ib.

Figure 2 shows the progression of the recombination wave

as it moves inward through the expanding and cooling ejecta.

As the helium-rich ejecta recombines the opacity profile

drops off sharply, which causes the rise time to decrease

according to Equation (1) as photons are able to diffuse

out more quickly through the transparent material. By the

time this model reaches its peak bolometric luminosity at

roughly 18 days, a significant amount of the ejecta has re-

combined and the outer opacity profile has fallen well below

0.1cm2g−1, roughly the electron scattering value for singly

ionized helium.

2.2. Nickel Mixing

The strength of mixing of 56Ni and how to quantify it is not

well agreed upon in CCSNe modeling, with some methods

restricting mixing to most central regions of ejecta to better

match results of 3D numerical modeling (which we will re-

fer to as weak mixing, such as in Arnett 1982; Valenti et al.

2008; Lyman et al. 2016; Medler et al. 2021), while others

allow mixing to the outermost edges of the ejecta (which we

will refer to as strong mixing, such as in Dessart et al. 2020).

It is therefore difficult to compare models across the litera-

ture due to the strong effect that mixing has on the early light

curve and therefore on the ejecta mass estimate in constant-

opacity models. Nevertheless, the choice of how 56Ni mix-

ing is treated has a strong impact on the early light curve

because it determines how efficiently the gamma-rays from

its decay heats the ejecta. In strongly mixed models, the

heating wave reaches the outer envelope faster, resulting in

a faster rise to the light curve peak and dimmer decay tail

(Meza & Anderson 2020). This also increases the likelihood

of gamma-ray leakage as there is less ejecta to trap gamma-

rays near the surface.

In the lower panel of Figure 1, we compare otherwise iden-

tical SESN models with varying mixing strengths. We con-

trol this in our simulations by defining a boundary in mass

space out to which the total nickel mass (also set in our sim-

ulation) is distributed prior to our compositional smoothing

procedure, which uses a “boxcar” approach with a boxcar

width of 0.4M⊙ over 4 iterations (the same parameters de-

fined in Morozova et al. 2015). Models with weaker mixing,

corresponding to a boundary well inside of the ejecta, have a

resulting nickel distribution that is more heavily concentrated

at the inner ejecta boundary, whereas models with stronger

mixing have a flatter distribution across the ejecta.

Models that are mixed out to half of their ejecta (which

we define as moderately mixed) rise more slowly than the

strongly mixed models. One would therefore infer a larger

mass for the moderately mixed model when utilizing Equa-

tion (1). The light curves do, however, have similar slopes

at late times, though at a different normalization. This indi-

cates that estimates of ejecta mass from the late time light

curve may be robust against assumptions related to mixing

strength, however provide a poorer estimate of the overall

nickel mass. This concept is discussed further in Section 5.

In the models utilized going forward, we use a moderate mix-

ing prescription of allowing 56Ni out to 50% of the ejecta

mass. This gives us a baseline to which we can compare

other mixing methods across the literature.

2.3. Decay Tail

Given the shortcomings of utilizing the light curve rise

as discussed above, we instead focus on the late light

curve slope. Similar procedures have been applied to

analyzing thermonuclear events (SNe Ia) as a method

for constraining progenitor models and explosion mech-

anisms (see Colgate et al. 1980; Cappellaro et al. 1997;

Clocchiatti & Wheeler 1997; Jeffery 1999; Milne et al. 1999,

2001; Stritzinger et al. 2006). Here we quickly summarize

how gamma-ray leakage impacts the late time slope using

the analytic formalism presented in Wheeler et al. (2015).

The radioactive heating rate is given by

LNi(t) =
MNi

M⊙

[

ǫNie
−t/τNi

+ ǫCo

(

e−t/τCo
− e−t/τNi

)]

, (2)

where ǫNi = 3.97× 1010 ergg−1 and ǫCo = 7.29× 109 ergg−1

are the decay energies produced in one second by one gram

of 56Ni and 56Co respectively, and τNi8.8days and τCo =

111days are their decay times.

The strength of gamma-ray leakage is controlled by

the gamma-ray diffusion timescale (Clocchiatti & Wheeler

1997) given by

T0 =

(

ηκγM2
ej

Ek

)1/2

, (3)

where κγ = 0.06Yecm2 g−1 is the gamma-ray opacity, Ye is the

electron fraction, and η is a constant that depends on the den-

sity profile 1. A key point is that κγ is largely independent

of the density and temperature of the ejecta. This helps make

the gamma-ray leakage a better probe of the total ejecta mass.

It is useful to rewrite Equation (3) in terms of parameters

that are more easily observable. Utilizing that for a constant

density sphere E = (3/10)Mejv
2
ph (Arnett 1982), where vph is

1 In Wheeler et al. (2015) this constant is assumed to be 0.05, but as we

further describe below, in this work we solve for η using our numerical sim-

ulations
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Figure 2. Snapshots of the ionization (top row) and opacity (bottow row) profiles of our fiducial model at 0.5, 5, 18, and 30 days beyond

the explosion epoch. The bolometric luminosity of this model peaks at roughly 18 days, by which time a significant amount of the outer,

helium-rich ejecta has recombined into neutral helium and the opacity continues to decrease. By day 30 the ejecta is entirely recombined and

the opacity profile has flattened out.

the velocity of the photosphere, we find

T0 =

(

10ηκγMej

3v2
ph

)1/2

. (4)

The energy deposition rate of gamma-rays that are able to

thermalize is therefore

Lheat = LNi[1 − e−(T0/t)2

]. (5)

Therefore T0 controls the slope of the late-time light curve

where smaller values of T0 corresponds to a short leakage

time such that gamma-rays are less trapped within the ejecta,

causing a steeper decline in the decay tail. Conversely, as

T0 →∞ (corresponding to no gamma-ray leakage), the por-

tion of Equation (5) in brackets asymptotes to 1.

We emphasize that, while the late time light curve is nor-

malized by the total nickel mass, the slope of the decay tail

is independent of it and the degree to which it is mixed. This

can be shown by calculating the derivative of ln(Lheat) with

respect to time. In the limit that e−t/τNi << e−t/τCo at late

times, we find

d ln(Lheat)

dt
≈

1

Lheat

d

dt
[MNiǫCoe−t/τCo(1 − e−(T0/t)2

)]

≈

1

τCo

−

2T 2
0

t3

e−(T0/t)2

1 − e−(T0/t)2
.

(6)

This demonstrates how the logarithmic slope is indepen-

dent of the total nickel mass and that incomplete gamma-ray

trapping results in a steeper slope that just simple cobalt de-

cay. This slope is not constant but instead is time dependent,

as shown by the term on the right side of Equation (6). Never-

theless, we can identify when the slope is most slowly vary-

ing by taking the derivative of the right term in Equation (6)

with respect to time and setting it to zero. Performing this

numerically, we find that this occurs at t ≈ 1.07T0. When t

is close to T0, we expect the slope to be slowly varying and

the gamma-ray trapping impact to be a constant factor that

steepens the slope. Evaluating Equation (6) at t = T0,

d ln(Lheat)

dt
≈

1

τCo

−

−1.17

T0

. (7)
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Typical values of T0 are ∼100 —150 days (Wheeler et al.

2015). This motivates that we should fit late time SN light

curves to get the best constraint on T0. We discuss our exact

fitting procedure in more detail in the following section.

The above discussion demonstrates why fitting the light

curve tail has advantages for constraining the ejecta mass

rather than using the light curve rise. To quickly summa-

rize, we find the rise depends sensitively on the distribu-

tion of nickel and the treatment of recombination, which

is often absent from simple semi-analytic models. This is

not even accounting for non-gray opacity, and the opacity

of UV/optical/IR photons can be very complicated and fre-

quency dependent during the rise. In contrast, the gamma-

ray opacity is largely independent of the thermal state of the

ejecta, and we demonstrate that around t ≈ T0, incomplete

gamma-ray trapping results in a constant steepening of the

late time slope. Given the relationship between T0 and Mej

summarized in Equation 4, fitting for T0 should allow for a

strong constraint on the ejecta mass. However, to do this ef-

fectively, we must better understand the relationship between

T0, Mej, and vph in more detail than what is simply given in

Equation 4, which we explore next.

3. MODELS AND METHODS

The framework described in Section 2 demonstrates how

fitting for T0 can be used to measure the ejecta mass of

SESNe, but although Equation (4) provides a simple rela-

tionship between T0, Mej, and vph, in detail we expect this re-

lationship to be more complicated for realistic models. Moti-

vated by this, we next calibrate this relationship using numer-

ical simulations. Motivated by the power-law dependence in

Equation 4, we begin with the parameterization

logT0 = A + B logMej +C logvph, (8)

where A, B, and C are free parameters. This functional form

captures the power law-like dependence expected from an-

alytic arguments. If we were to derive these parameters

from Equation (4), we would have A ≈ −1.151, B = 1/2, and

C = −1. We will compare these values to those derived in our

work in Section 4.

To improve on these analytic results, we calibrate Equa-

tion (8) to numerical simulations. We explode a grid of

SESN models using SNEC (the SuperNova Explosion Code,

Morozova et al. 2015) at various energies to produce 77 light

curves that may be fit for T0. We utilize the pre-explosion

models from the suite of binary evolution models published

in Laplace et al. (2021). These models cover the mass range

MZAMS = 11 − 21M⊙ at intervals of roughly 1M⊙, and were

evolved using the stellar evolution code MESA (Paxton et al.

2018), employing a fully coupled nuclear network of 128 iso-

topes beyond the point of core oxygen burning. The models

underwent stable, case B mass transfer with a companion star
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Figure 3. (Top) The ejecta masses of each model at the onset of

core-collapse compared to their ZAMS mass, where ejecta mass

refers to the mass of the model after completing mass transfer with

its companion and iron core excision. (Bottom) The mass of the

iron core excised from each model compared to ZAMS mass.

of 80% the initial mass of the primary, in orbital periods be-

tween 25 —30 days. See Laplace et al. (2021) for more de-

tails on modeling conditions.

Following the prescription of Morozova et al. (2018), we

excise the core from the pre-explosion model to form a neu-

tron star at the Fe/Si boundary, and smooth the remaining

compositional profile with a “boxcar” approach using the

same parameters as in Morozova et al. (2015). Regarding

mixing strength, the nickel mass boundary (previously de-

fined as 0.5Mej for moderate mixing and Mej for strong mix-

ing) sets the mass coordinate out to which the nickel is dis-

tributed before it is smoothed by the boxcar procedure. Fig-

ure 3 shows the ejecta mass of each model after core excision

compared to ZAMS mass (top panel) and the mass of the ex-

cised core compared to ZAMS mass (bottom panel). The

resulting ejecta masses are in the range of 2 − 5M⊙, which

roughly matches what is inferred for the majority of Type Ibc

(Lyman et al. 2016).

Our adopted opacity floors and the mixing of 56Ni are dis-

cussed in Sections 2.1 and 2.2 respectively. Finally, we use

a “thermal bomb” mechanism with an energy injection of

1.0 − 4.0× 1051 erg at intervals of 5× 1050 erg, the range of

which is inferred from the explosion parameters presented in

Lyman et al. (2016). We modeled each supernova for 225

days, well into the cobalt dominated phase.

Our fitting procedure is as follows (also see Figure 4 for a

schematic demonstrating our methods). As motivated by the

discussion in Section 2.3, we need to perform the fit around
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Figure 4. Here we demonstrate our fitting procedure on our

MZAMS = 14M⊙ fiducial model, shown in blue. The black line shows

the time over which we are fitting for T0 and the red curve shows

Equation (5) calculated with the best fit value of T0 = 115.464.

the time t ≈ T0. Since we do not know T0 a priori, we want to

make sure that we are well past the SN peak and in the tail.

We do this by choosing to begin the T0 fitting at roughly half

the time it takes for the ejecta to become thin to optical pho-

tons (τ ≈ 1), tthin, because of the relationship between optical

thinness and the time of peak

tstart = 0.5tthin ≈ 0.5
(

c/v
)1/2

tpeak, (9)

where we approximate c/v ≈ 30. We choose this starting

point to ensure that the fit begins far enough beyond the time

of peak and should be easy in practice to apply to any set of

data that constrains the time of explosion.

We chose to end our fitting at tstop = 200 days beyond the

time of explosion. While this means that models that peak at

different times are fit over a slightly different number of days,

we find that the exact length of time that is fit is less important

than fitting out to sufficiently late time. In Section 5, we

discuss the consequences of changing tstop.

Finally, in the following analysis, we consider the charac-

teristic photosphere velocity for each model at the time of the

light curve peak. We use this velocity, rather than that at tstart,

because by this time in our lower mass models, the photo-

sphere has already fallen down to the inner mass boundary

of the star. Piro & Morozova (2014b) demonstrate that, for

a sample of SNe IIb and SNe Ib, the velocity at the thermal-

izaion depth (also referred to as color depth) is similar to, but

less than the He I velocity. Since the color depth is slightly

deeper than the photosphere, they conclude that the helium

is tracking the photosphere in these H-poor events. This may

be utilized for events observed in the future.

4. FITTING

We fit all 77 models in our suite of explosion simulations

to Equation (5). This is done by fitting for the best values

of MNi and T0 for each simulated light curve, independent

of whether this is the true MNi value (to replicate how one

would treat fitting an observed light curve). We solve for

the values of A, B, and C that best allow our grid of fits to

match Equation (8) by using both the python optimization

function scipy.optimize and the Markov Chain Monte

Carlo (MCMC) python package emcee to approximate the

posterior probability density function of each parameter. The

optimized values are found to be

A = −4.34+0.65
−0.65

B = 0.608+0.02
−0.02

C = −1.05+0.02
−0.02.

(10)

These are roughly consistent with the values of B and C

expected from simple analytic arguments in Section 3, but

slightly different due to the more realistic density and veloc-

ity profiles captured by our simulations. Furthermore, the

value of A is significantly smaller than what is commonly

used in the literature. Figure 5 shows 2D projections of the

parameter space explored by the MCMC chain and demon-

strates the relationships between each parameter. The Pear-

son’s correlation coefficients (ρ) of the sample are

ρA,B = −0.962

ρA,C = −0.663

ρB,C = 0.434,

(11)

indicating that A is most significantly correlated with B and

more mildly with C, while B and C are also somewhat corre-

lated.

Using these values of A, B, and C, we can now write an

updated version of Equation (4):

T0 =

(

10

3

)1/2

η̃κγM0.608
ej v−1.05

ph , (12)

where we now have η̃ ≈ 4.51× 10−4.

To test the ability of this technique to constrain Mej, in Fig-

ure 6 we plot the ratio of Mej inferred from Equation (12) to

the true Mej. This demonstrates that the calculated masses

are mostly within 10% of the true masses with some outliers

at the ∼ 15 —20% level. In the case of Type Ia SNe, the

expected mass range of potential progenitors is fairly small

(∼ 0.8 —1.4 M⊙) so such a fitting procedure might not be

adequate. For the large range ejecta masses for SESN pro-

genitors, Equation (12) can provide useful constraints.

5. CHECKING THE ROBUSTNESS OF THIS

TECHNIQUE

As discussed in Section 2, fitting the late time slope should

be better suited for inferring Mej than using the early rise. In

practice though, uncertainties in the underlying SESN model
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Figure 5. Correlations between the values of A, B, and C show that

the value of A is heavily dependent on the values of both B and C,

while B and C depend little on each other. This contributes to the

large confidence interval around our best fit value of A.
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Figure 6. Ratio of mass calculated from Equation (12) utilizing our

optimized values of A, B, and C in Equation (10). We see that these

values provide a better characterization of the relationship between

T0, Mej, and E that those presented in Wheeler et al. (2015), such

that we calculate ejecta masses within 20% of the true mass.

and practical issues with fitting may result in less reliable Mej

constraints. Next we test how uncertainties in the amount of

mixing of 56Ni impacts the inferred Mej. We also repeat our

fitting procedure for tstop = 100 days for cases where light

curve photometry cannot be attained for the full 200 days as

we did above.

We address questions relating to 56Ni by running additional

sets of explosion simulations. In the first, we allow the 56Ni
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Figure 7. Ratio of ejecta mass calculated from Equation (8) utiliz-

ing our best fit values of A, B, and C for cases varying the 56Ni mix-

ing and concentration. We see that increasing the mixing strength

tends to result in a slightly lower ejecta mass estimate, but is still

within a reasonable error.

to mix evenly throughout the entire ejecta. In the second, we

double the amount of 56Ni to 0.2M⊙ and keep it mixed within

the inner half of the ejecta as before. Each set is run for the

same set of values of MZAMS and with an explosion energy

of 1051 erg. Our results from fitting these additional simula-

tions with Equation (8) and using Equation (12) for Mej are

summarized in Figure 7, along with a set of previous simu-

lations using the same explosion energy. This demonstrates

that the calculated Mej are still within the range of 20% of

the true Mej. Increasing the MNi tends to increase the inferred

Mej, while stronger mixing tends ot result in characteristically

lower Mej estimates.

We emphasize that when performing the fitting of the late

time slope, we keep the normalization as a free parameter.

This means we are effectively fitting an MNi value, inde-

pendent of what the true MNi is. In fact, the fit MNi is al-

ways lower than the MNi present in a given simulation be-

cause mixing puts nickel above the photosphere and unable

to heat the ejecta. In principle, one could attempt to fit the

slop and also MNi using the integrated bolometric light curves

(e.g.,Khatami & Kasen 2019). Since our main objective here

is understanding how well we can constrain the ejecta mass,

we forego attempting to also fit the total nickel mass in detail.

Constructing the late time bolometric light curves of

SESNe can be challenging, especially at the tstop = 200 days

we use for our fitting procedure. To test the impact of a

smaller fitting window, we repeat our analysis covered in

Section 3 using tstop = 100 days instead. We find best fit

values

A100 = −4.01+0.65
−0.65

B100 = 0.575+0.02
−0.02

C100 = −0.967+0.02
−0.02.

(13)
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fit over the time frame 0.5tthin to 100 days beyond the time of explo-

sion. Similar to the 200 day fit, these results recover Mej values to

within 20%.
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Figure 9. Ratio of calculated to true ejecta masses using Equa-

tion (8) with A, B, and C values in Equation (13) for models varying

the 56Ni mixing and concentration. These values perform worse

than the 200 day fit with varying the nickel parameters, particularly

those of high mass.

These values are also highly correlated and return estimates

of Mej within a similar margin of error, as seen in Figure 8.

However, this shorter fitting procedure breaks down for mod-

els where we vary the 56Ni mixing and concentration, partic-

ularly those of higher mass, as seen in Figure 9, where the

error in the calculated Mej increases significantly. This may

be because higher mass models peak much later than less

massive models and therefore stopping fitting at 100 days is

too short to sample the late time behavior.

Previously, Taddia et al. (2018) utilized the Wheeler et al.

(2015) method to analyze SESNe in the Carnegie Super-

nova Project sample (CSP-1), but used a fitting time frame

that ended sometimes as short as 60 days past the explosion

epoch. Our findings indicate that this time frame, especially

for more massive events, is not far enough beyond the light

curve peak to sufficiently fit the late time slope and is sus-

ceptible to influence from the 56Ni parameters that are not

considered in Arnett-like models.

Finally, to understand how universally applicable each set

of A, B, and C values are, we calculated ejecta masses for

each of the fitting time frames using the opposite set of best

fit parameters. We find that the 200 day fit of (A,B,C) (values

in Equation (10)) can be applied to the models fit to only

100 days and still return estimates of ejecta masses within

20% error, while the A, B, and C values from the 100 day fit

(Equation (13)) do not perform well when applied to the 200

day data. This indicates that the values we have provided in

Equation (10) may be widely applied to data sets that track

events for less than 200 days, but again we emphasize that

later time data is important for appropriately accounting for

nickel mixing.

6. CONCLUSION

We have presented an improved method for estimating

ejecta mass from late time bolometric light curves based

on the framework provided by Colgate et al. (1980) and

Wheeler et al. (2015). Traditional methods of estimating

ejecta masses from the rise time of the bolometric light curve

require a number of assumptions about the physics that im-

pacts the early light curve shape. In particular, the opacity

during the rise can be strongly dependent on density, temper-

ature, composition, and the photon frequencies. We have also

demonstrated that the nickel mixing and the treatment of re-

combination can strongly impact the rise of the SN and make

it difficult to reliably derive an ejecta mass. We have shown

it is possible to avoid those assumptions by utilizing the

late-time phase of the light curve where the thermalization

of the radioactive energy input is dominated by gamma-ray

transport.

By fitting the slope of the decay tail of of a light curve

to our modified heating equation (Equation (5)) over suf-

ficiently late times, we can estimate T0, the characteristic

timescale for gamma-ray escape. We then calibrated the rela-

tionship between T0, ejecta mass, and photospheric velocity

to our suite of 77 numerical models. The relationships follow

closely to the power laws we expect from analytic arguments

with small improvements to the scalings. Applying these re-

sults to Equation (8) allowed us to recover ejecta mass esti-

mates for our models that are within 20% of the true value

and when exploring assumptions related to 56Ni mixing and

concentration on the late time light curve, we find similarly

robust ejecta mass estimates, showing that the late time light

curve is not heavily influenced by these parameters.

This work demonstrates that in the future it will be im-

portant to follow SESNe for 100 days or more to provide

reliable constraints on ejecta masses. Once obtained, such

data will be crucial for better understanding the difference
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between classes of SESNe, and whether they have a similar

set of massive star progenitors. One issue that we have not

addressed in our work is how to construct bolometric light

curves for comparisons to our model. Many SESNe obser-

vations are missing infrared data that is an important con-

tribution to the late light curve. Further work is needed to

generate a set of bolometric corrections so that forthcoming

optical data sets (e.g., the Vera Rubin Telescope) can be uti-

lized with our results.
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toriya Morozova, Maria Drout, and Ashley Villar for help-

ful conversations and feedback on previous drafts of this

manuscript.

A.H. acknowledges support from the USC-Carnegie fel-
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ABSTRACT

Galactic science encompasses a wide range of subjects in the study of the Milky Way and Magellanic

Clouds, from Young Stellar Objects to X-ray Binaries. Mapping these populations, and exploring

transient phenomena within them, are among the primary science goals of the Vera C. Rubin Ob-

servatory’s Legacy Survey of Space and Time (LSST). While early versions of the survey strategy

dedicated relatively few visits to the Galactic Plane region, more recent strategies under consideration

envision higher cadence within selected regions of high scientific interest. The range of galactic sci-

ence presents a challenge in evaluating which strategies deliver the highest scientific returns. Here we

present metrics designed to evaluate Rubin survey strategy simulations based on the cadence of obser-

vations they deliver within regions of interest to different topics in galactic science, using variability

categories defined by timescale. We also compare the fractions of exposures obtained in each filter with

those recommended for the different science goals. We find that the baseline v2.x simulations deliver

observations of the high-priority regions at sufficiently high cadence to reliably detect variability on

timescales >10 d or more. Follow-up observations may be necessary to properly characterize variability,

especially transients, on shorter timescales. Combining the regions of interest for all the science cases

considered, we identify those areas of the Galactic Plane and Magellanic Clouds of highest priority.

We recommend that these refined survey footprints be used in future simulations to explore rolling

cadence scenarios, and to optimize the sequence of observations in different bandpasses.

Keywords: Rubin Observatory — LSST — Galactic and extragalactic astronomy — Local Group —

Milky Way Galaxy – Large Magellanic Cloud — Small Magellanic Cloud

1. INTRODUCTION
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The National Science Foundation’s Vera C. Rubin Observatory Legacy Survey of Space and Time, (LSST), will cover

the entire southern sky visible from the telescope’s site at Cerro Pachón, Chile, but not to uniform limiting magnitude

or temporal cadence. Figure 1 illustrates the number of visits realized to different regions of the sky, comparing the

baseline v1.5 and baseline v2.0 iterations of the main, Wide-Fast-Deep (WFD) survey strategy. Regions

at lower (|b| < 15◦) galactic latitude and extreme &60◦ declination received significantly fewer visits than the rest of

the sky over the 10-yr span of LSST in baseline v1.5. The distribution of visits was adjusted in baseline v2.0

to include the Magellenic Clouds and central Bulge, though much of the Galactic Plane still receives relatively few

exposures.

This survey strategy places severe limitations on the science that the survey will realize, particularly for stars and

planets in the Milky Way. Eleven of the 46 White Papers on LSST survey cadence submitted in 20181 argued for

increasing the number of visits to the Galactic Plane and Magellanic Clouds. These papers identified a vast array of

scientific inquiries that could be revolutionized by systematic observations from Rubin Observatory, including:

• Exploring the atmospheric properties of time-variable brown dwarfs, and extending the known population of

transiting planets and white dwarfs (Lund et al. 2018);

• Comparing Pre-Main Sequence stars in Star Forming Regions (SFRs) with a range of metallicities down to the

lowest mass stars; using stellar variability and photometric properties to determine the ages and distances of

Open and Globular Clusters, and so informing our understanding of the evolution of the variables within those

clusters (Prisinzano & Magrini 2018);

• Using the photometric variability of Young-Stellar Objects to characterize mass accretion from circumstellar

disks as well as magnetic cycles and flares (Bonito & Hartigan 2018);

• Developing a more complete view of the population of Cataclysmic variables and AM CVn stars, detected from

their outbursts and different accretion states, to be compared with close-binary evolution models and to track

the accretion behavior of white dwarfs (Olsen et al. 2018);

• Detecting and monitoring outbursts from X-ray Binaries that will reveal the population of neutron stars and

black holes, determining whether a mass gap exists between them, establishing whether supernova explosions

give large black hole kicks and identifying them as a potential source of gravitational wave events (Strader et al.

2018);

• Producing extensive catalogs of stellar flares that will enable them to be studied as a function of stellar properties,

shedding light on the star’s internal structure and processes; obtaining pulsations of white dwarfs to trace their

cooling curves, and exploring pulsations as a function of metallicity; measuring the ages and metallicities of stars

in the Galactic Bulge and tracing the formation history of the region (Gonzalez et al. 2018; Bono et al. 2018);

• Using microlensing by stars and planets to reveal the distribution of these populations in different stellar envi-

ronments throughout the galaxy while also discovering isolated black holes and enabling the mass function of

these objects to be fully described (Street et al. 2018a);

• Using RR Lyrae stars, Cepheids, SX Phoenicis, delta Scuti stars and Long Period Variables (LPVs) within

resolved stellar populations to trace different stellar generations over the large spatial extension and magni-

tude depth allowed by the LSST. Measuring their distances using variable stars of different type/parent stellar

population will map their 3D structures, and detect tidal streams (Clementini et al. 2018);

• Detecting recurrent novae and determining whether they are progenitors of supernovae Type Ia (Strader et al.

2018);

Several papers highlighted LSST’s ability to map the unique extra-galactic stellar populations of the Magellanic

Clouds, down to faint limiting magnitudes, if they were included in the survey footprint. LSST could therefore

produce a complete catalog of variability for these populations, including detecting the microlensing signatures of

1 https://www.lsst.org/submitted-whitepaper-2018

https://www.lsst.org/submitted-whitepaper-2018
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planets (Poleski & Mróz 2018; Olsen et al. 2018; Street et al. 2018a). Using DECam imaging of crowded fields as a

proxy for LSST data, Suberlak et al. (2018) showed that a single, 30 s exposure will detect, 5σ above the background

sky, all objects brighter than rlim ≤21.5 mag in crowded regions, and probe to even fainter magnitudes, rlim=24.5 mag,

in uncrowded areas of the sky.

Rubin observations of the Galactic Bulge can also enhance the scientific return of other contemporary surveys, in

particular the Nancy Grace Roman Space Telescope, which will provide very high-cadence near-infrared time-series

observations, with the goal of detecting planets and stars via their microlensing signatures, but only for a few periods

of ∼72 days each. Rubin observations could detect planets that would otherwise be missed by Roman, and enable the

mass and distances of free-floating planets to be measured (Street et al. 2018b), if its survey of the Bulge region is

coordinated with Roman, and realizes adequate cadence of imaging.

Many of these science goals do not depend on achieving deep co-added images, in contrast to the WFD. Rather, their

observational goals require repeated visits to the Galactic Plane and Magellanic Clouds in order to achieve time-series

photometric measurements. In some cases, achieving the science goals would require a different cadence of observations

in different filters, in light of the greater extinction compared with the WFD region.

LSST must meet its original scientific requirements (Ivezic & LSST Science Collaboration 2018), meaning that

modifications to the survey strategy can only take up to a maximum of ∼10% of the available on-sky time. These

factors combine to argue that a distinct survey strategy should be considered for the Galactic Plane and Magellanic

Clouds to maximize the scientific return within the survey requirements. The Rubin Observatory could run this survey

in parallel with, or as part of, the WFD, during the same 10-yr period.

Rubin Observatory designed the LSST Metric Analysis Framework (Jones 2021, MAF) to incorporate a range of

metrics, including those contributed by the community, to evaluate the impact of different survey strategies on different

science cases. Many of the papers quoted above proposed metrics specific to each science topic, such as quantifying

the numbers of a particular population that LSST will discover, or determining how well a given parameter will be

measured. Detailed analysis of these science cases is presented in a number of parallel papers (Raiteri et al. 2022, e.g.),

and properly interpreting their output sometimes requires a nuanced, in-depth understanding of each science topic.

The challenge for the Rubin Observatory is to find a strategy that optimizes the survey for a wide range of science, and

to this end, the Rubin Survey Cadence Optimization Committee (SCOC) requested broader Figures of Merit which

could be used as a guide when comparing different strategies for quite different science goals. Rubin Observatory

have recently conducted operational simulations (or ”OpSims”, as described in Bianco et al. 2022) of a wide range of

alternative survey strategies, and invited community feedback on the scientific impacts of different configurations.

The goal of this paper is to review the observational needs of a range of different galactic science topics to identify

areas of overlap and tension in survey strategy, and to recommend scientifically-motivated solutions. We present metrics

designed to evaluate the essential observational parameters, so that the strengths and weaknesses of simulations of the

different survey strategies may be evaluated, while representing a broad range of science goals.

In Section 2 we outline the essential components of any survey strategy, and describe our approach to capturing the

requirements of galactic science for each component. In Section 3 we apply these metrics to compare the baseline v2.0

strategy with previous iterations, and in Section 4, we evaluate the set of OpSim experiments conducted by Rubin

in early 2022. In Section 5, we combine the regions of interest for different galactic science use-cases to identify the

highest priority regions to survey, and summarize our key findings in Section 6.

2. ELEMENTS OF SURVEY STRATEGY

In an ideal world, LSST would survey the entire visible sky with a regular cadence in all six filters. To do so

would unfortunately reduce the achievable cadence within the WFD region to the point where the LSST Science

Requirements are not met. More realistically, some trade-off is likely to be necessary between regular revisits to each

telescope pointing on-sky (the cadence), the number and duration of exposures in different filters, and the on-sky area

included in the survey footprint. For this reason, it is valuable to consider the survey footprint, cadence and filter

selection independently, so that metrics can evaluate the strengths of different strategies.

Studies of the populations of the Galactic Plane and Magellanic Clouds naturally follow the non-uniform spatial

distribution of those populations. That is, galactic science needs observations in fairly well-defined regions at low

(|b| < 10◦) galactic latitude, with additional regions of interest centered on the Magellanic Clouds, star clusters and

star forming regions. When the 2018 White Papers advocating for galactic science were compared, it was evident that



4 Street et al.

many of them recommended observations of regions with a high degree of overlap. This led us to explore whether a

common footprint could be defined, encompassing the regions of highest scientific priority.

The high extinction in much of the Galactic Plane tends to result in a preference for observations in redder passbands

(g, r, i, z), particularly for time-series observations. y is not included in this set because declines in the telescope and

instrument throughput and detector sensitivity at these wavelengths produces comparatively low signal-to-noise in

this filter. Nevertheless, observations in u and y filters are still important for characterizing young star variability and

spectral typing. The optimal total number and frequency of observations is therefore not uniform across all passbands.

By focusing on the observational requirements, rather than science-specific parameters, we can combine the needs

of a diverse range of science in a concise set of metrics, which we describe in the following sections. For reference the

metrics are summarized in Table 1. All metric code has been integrated with the open-source Rubin MAF (Jones &

Yoachim 2022).

MAF Module MAF Metric Metric Output Evaluated Metrics

per HEALpix

galacticPlaneMetric GalPlaneFootprintMetric No. observations %ofPriority(τvar,map)

nObsPriority %ofNObsPriority(τvar,map)

map priority

GalPlaneFilterMetric Mf (f, α, δ) % area ≥1.0(map)

galplaneTimeSamplingMetrics GalPlaneVisitIntervalsTimescaleMetric VIM %ofIdealVIM(τvar, map)

GalPlaneSeasonGapsTimescaleMetric SVGM %ofIdealSVGM(τvar, map)

Table 1. Summary of metrics discussed in this work. The science-based priority maps are inputs to all these metrics, which
are calculated using a HEALpix dataSlicer, meaning that the output quantities are calculated per HEALpix. Evaluated metric
values are then derived by summing over HEALpix regions for different science cases and timescale categories of variability.

2.1. Survey Footprint

In order to identify the regions of greatest scientific interest to galactic science, we first reviewed the White Papers

described in Section 1. We compiled a list of the survey regions of interest from all papers citing galactic science as

a motivation, together with the filter sets and cadences requested. The sources are summarized in Table 2, including

the selection of filters indicated to be most important to each science case. Many papers placed high value on g, r, i, z

observations, particularly those concerned with targets in regions of high extinction or where high cadence in a single

filter is preferable, but we note that this should not be interpreted to mean that no data is required in u or y. Data

in these filters are valued, but not always required at the same survey cadence. This list of regions was extended to

include curated catalogs of Open Clusters published in Kharchenko et al. (2013) and Globular Clusters described in

Baumgardt & Hilker (2018), as well as Star Forming Regions (SFR, Zucker et al. (2020)), which are not adequately

represented by a simple function of Nstars/deg2. In addition, we included a survey region optimized for the study

of low-mass X-ray binaries (LMXB) from a function which produces probabilistic samples of LMXB positions and

distances based on a spatial distribution derived from the galactic mass model (Grimm et al. 2002; Dehnen & Binney

1998), following the method of Johnson et al. (2019) (Bellm, priv. comm.).

Table 2 shows the extensive overlap between the recommended survey regions, and to first order the superset of

these regions could be used as the footprint for a galactic science survey.

The regions of greatest interest closely follow the sky regions of highest stellar density, owing to the nature of the

science concerned. This varies strongly, particularly across the Plane, and in general the regions of extreme extinction

and lower stellar density are of lower (though not zero) scientific priority. We can therefore refine the survey footprint

by prioritizing regions with higher stellar density.

It is valuable to present the footprint information in the form of a Hierarchical Equal Area isoLatitude Pixelisation

(HEALpix) (Gorski et al. 2005) map of the sky where each HEALpix is assigned a numerical metric value representing

the scientific priority of that HEALpix for galactic science. Any such metric is an unavoidably crude measure of true
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Table 2. Summary of the larger area survey regions included in this study.

White Paper Region Gal long (l◦) Gal lat (b◦) Filters

Bono+ (deep survey) Gal. Plane center 20 – +20 -3 – +3 izy

Bono+ (shallow survey) Gal. Plane 20 – +20 -15 – +10 ugriyz

Gonzalez+ Gal. Plane center -15 – +15 -10 – +10 grizy

Street+ Gal. Plane -85.0 – +85.0 -10.0 – +10.0 griz

Prisinzano+,Bonito+ Gal. Plane/SFRs -90.0 – +90.0 -5.0 – +5.0 gri

Poleski+, Street+ Clementini+ LMC 277.8 – 283.2 -35.2 – -30.6 griz

Street+, Lund+ Gal. Plane -85.0 – +85.0 -10.0 – +10.0 griz

Poleski+, Street+ Clementini+ SMC 301.5 – 304.1 -45.1 – -43.6 griz

Street+(a) Gal. Bulge 2.216 -3.14 griz

Clementini+ M54 5.60703 -14.08715 gri

Clementini+ Sculptor 287.5334 -83.1568 gri

Clementini+ Carina 260.1124 -22.2235 gri

Clementini+ Fornax 237.1038 -65.6515 gri

Clementini+ Phoenix 272.1591 -68.9494 gri

Clementini+ Antlia2 264.8955 11.2479 gri

Kharchenko+ Open Clusters catalog catalog

Baumgardt & Hilker Globular Clusters catalog catalog

value, and does not diminish the importance of downweighted regions. Instead the purpose of this ‘priority map’ is to

indicate the regions where the majority of observations would ideally be directed in order to answer the needs of the

science cases considered. This presents the information in a form which can then be combined with other metrics to

evaluate how different LSST OpSims perform for these science cases, and can also be used within the LSST scheduler

to determine field priority in observation sequencing.

We combined the overlapping survey regions in Table 2 in the form of a HEALpix map with NSIDE=64, resulting

in HEALpix sizes of 55.0 arcmin. Firstly, we used a map of stellar density in r-band derived from the TRILEGAL

galactic model (Dal Tio et al. 2022), and identified regions of highest interest by selecting sets of HEALpixs with

densities greater or equal to 60%, 70% and 80% of the maximum stellar density over the whole sky. The pixels in these

regions were assigned priority weightings of 0.8, 0.9 and 1.0 respectively. This map highlighted the Galactic Plane,

Bulge and Magellanic Clouds.

We then added to this map the other regions of special interest, such as star forming regions etc, which were initially

assigned a priority weight of 1.0.

We opted to represent the bandpass requirements for different science cases in the following way. For each science use-

case, each of the six filters was assigned a weighting factor to represent the relative frequency with which observations

in that filter should be obtained to meet that use-case. Summed over all passbands, the weights add up to 1.0 for a

given use-case. For example, the filter weighting assigned for fields in the Galactic Plane were u: 0.05, g: 0.225, r:

0.225, i: 0.225, z: 0.225, y: 0.05, capturing the lower frequency of observations requested in the extreme-red and -blue

bandpasses.

This enabled us to generate a HEALpix priority map for each filter by iterating over the science cases and assigning a

priority for each HEALpix that is effectively the product of the HEALpix priority map and the filter weighting factor,

summed over all science cases considered. In this way, each science case effectively constitutes a ‘vote’ towards the

priority of observations of a given HEALpix in a given filter.

2.1.1. Galactic Plane pencil-beams

It was apparent from the first iteration of the priority maps that the many science interests in regions around the

Galactic center combine to produce a strong weighting towards that part of the sky. However, surveying only this

region at moderate cadence neglects a key aspect of Galactic Plane science that Rubin Observatory can uniquely excel

in, namely its ability to compare populations derived from different regions of the Milky Way.

A number of science drivers benefit from surveying a wider range of galactic longitudes.
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1. Microlensing detection of black holes, stellar and planetary systems: Surveying a range of galactic

longitudes will discover faint or unseen populations along different lines of sight through the Galaxy. These

lensing events will be caused by different populations in the spiral arms, disk, Bulge or halo depending on the

line of sight, and comparing the rates and properties of microlensing events in different fields will produce insights

into the population distributions and how they correlate with, e.g. galactic trends in metallicity.

2. Galactic structure: By surveying across galactic longitudes, LSST will characterize RR Lyrae and many

other indicator variable types, which can be used to more accurately map structures such as the bar as well as

resolved stellar populations like Globular Clusters.

3. Detection of SFRs, stellar clusters: LSST co-added images will reach limiting magnitudes of >24.9 mag

in all filters, enabling it to detect faint, low-mass populations of galactic clusters and SFRs. Open Clusters and

SFRs are distributed in a wide (∼ 20◦) band extending along the Galactic Plane.

That said, surveying the entire Milky Way Plane within the region −85◦ 6 l 6 +85◦, −10◦ 6 b 6 +10◦ at high

cadence is likely to require more time than is available. The region encompasses approximately 354 distinct Rubin

pointings, which (assuming typical visit and slew lengths of 42 s and 30 s respectively) would take ∼7 hrs to image once

per pointing. To survey this entire region at the nominal cadence of the Wide-Fast-Deep survey would take ∼35% of

the available on sky time per year. This easily exceeds the estimated 10% of time remaining after Rubin’s Science

Requirements are met.

In order to achieve the scientific goals above without compromising the Science Requirements, we modified the

priority maps from Section 2.1 with a series of narrow ‘pencil-beam’ fields distributed across the Galactic Plane

(Table 3). Each field would represent a single Rubin pointing, and ∼20 such pencil-beams would be clustered around

b ∼ 0◦, but distributed at regular intervals in galactic longitude.

To locate the pencil-beam fields we began with 20 pointings distributed at regular intervals between−85◦ 6 l 6 +85◦,

and b = 0◦, and then refined them to take into account the uneven extinction across the Galactic Plane. This was

done using maps of the stellar density across the Plane derived from the TRILEGAL galactic model (Dal Tio et al.

2022). Each initial pencil-beam pointing was dithered by ±5◦ in l and b and optimized by selecting the location which

maximized the stellar density for the field. Figure 1 (right panel) shows the optimized locations of the proposed fields.

The dithering around each survey pointing that is built into the Rubin Observatory scheduler raised a potential

issue for the pencil-beam fields. Each survey pointing is designed to be dithered by up to 0.7◦ (Jones 2021). While

this expands the area of a spatially-isolated field and hence the total number of stars included, it also means that

not all stars will be observed during every visit. For spatially contiguous survey regions the dithered pointings will

overlap a different area of the survey region, but for a set of spatially isolated fields like the pencil-beams the scientific

benefits of including more stars could be overshadowed by the overall drop in cadence. To explore this potential issue,

we also considered an alternative set of pencil-beams fields, which were designed to cover the same total spatial area

as the original set, but within only 4 survey regions. The location of these four regions was based on the EROS2

survey fields towards the Milky Way spiral arms (Moniez et al. 2017). Figure 1 allows the two sets of pencil-beam

fields to be compared, and the field locations are given in Table 3. It should be noted that since the Galactic Bulge

and Magellanic Clouds are considered to be separate survey regions and included independently of the pencil-beams,

they are not part of these field sets. A comparison of the two sets is discussed further in Section 5.

The pencil-beam fields were then included in the combined priority maps described above with filter weightings of

u: 0.1, g: 0.2, r: 0.2, i: 0.2, z: 0.2, y: 0.1, to ensure that at least a minimum range of fields outside the Galactic

Bulge region receive a comparable priority to the central Bulge region. All pencil-beam fields receive the same priority

weighting per filter. The filter balance chosen reflects the preference for griz for enhanced time-cadence in these

fields, but allows for slightly more weight in u, y than the central Bulge, as many of the pencil-beams have less well

characterized stellar populations and lower extinction. Although LSSTCam’s quantum efficiency is lower in u and

y bands, data in these filters is still important to various scientific goals. u-band observations are important for

measuring log(g) for White Dwarfs for example, and for distinguishing hydrogen and helium White Dwarfs, as well

as for determining stellar metallicities and as a measure of accretion activity in young stars (Bonito & Hartigan 2018;

Bonito et al. 2023). This is particularly important for Red Clump stars in the Galactic Bulge (Johnson et al. 2020),
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Figure 1. (Top) Number of visits per sky pointing over all years and filters, derived from the simulated v1.5 (left) and v2.0
(right) survey strategy. (Bottom row) Sky maps with a normalized color gradient (values 0–1) indicating the log10(density of
stars) based on TRILEGAL models

, overlaid with the two sets of Galactic Plane pencil-beam fields represented in yellow (values 1+) see Section 2.1.1). Set 1 is
plotted on the left, set 2 on the right

despite the high extinction in that region resulting in lower signal-to-noise. y-band data are needed for the detection

of Brown Dwarfs, and to characterize instances of their variability due to cloud structures in their atmospheres (Street

et al. 2018b; Tan & Showman 2019). The final priority maps with set 1 pencil-beams are shown in Figure 2.

The code used to generate these priority maps, as well as the maps themselves in FITS and PNG form, can be found

in the TVS Github repository2.

2.1.2. Survey Footprint Metric

The footprint maps described above are designed to be tunable in the sense that a larger or smaller survey area

can be chosen by setting the HEALpix priority threshold to lower or higher values respectively. This allows trade-offs

between survey area and cadence to be explored in different simulations.

To evaluate this in a more quantified manner, the GalPlaneFootprintMetric.py calculates two metrics. It accepts

one of the science priority maps, and a HEALpix dataSlice as input parameters, and selects observations in each filter

in turn where exposures reach a minimum 5σ depth of u : 22.7, g : 24.1, r : 23.7, i : 23.1, z : 22.2, y : 21.4 mag. These

limits were derived from the limiting magnitudes where LSST’s catalog of detected sources is expected to be complete

to ≥50% in crowded fields (Suberlak et al. 2018). It returns both the number of observations per HEALpix matching

these criteria, together with the number of observations multiplied by the priority of the HEALpix in question. It

returns a null value for HEALpixs lying outside the desired survey region of the given priority map for each science

case, so a summary metric can be calculated simply by summing over all HEALpixs.

The metric calculates the number and priority of useful observations of a given HEALpix within the scientifically-

desired survey region. In order to meaningfully interpret these values, we now need to consider what cadence of

observation is needed to meet the science needs.

2 https://github.com/LSST-TVSSC/software tools

https://github.com/LSST-TVSSC/software_tools
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Table 3. Summary of two sets of Galactic Plane pencil-beam fields. Set 1 fields are single pointings of the Rubin Observatory
with a radius of 1.75◦ whereas the set 2 fields have a radius of 3.91◦.

Field set 1 Field set 2

l[◦] b[◦] l[◦] b[◦]

280.0 0.0 306.56 -1.46

287.280702 0.0 331.09 -2.42

295.394737 -0.4167 18.51 -2.09

306.425439 -0.4167 26.60 -2.15

306.206140 -0.4167

320.153509 -0.4167

324.517544 -0.4167

341.381579 -0.4167

351.578947 -2.5000

0.109649 -2.0833

0.307018 -2.0833

8.421053 -3.3333

17.36842 -0.4167

26.31579 -2.9167

44.01316 -0.4167

44.21053 -0.4167

54.40789 0.0

66.271930 -0.4167

71.885965 0.0

80.0 -5.0

u-band g-band r-band

i-band z-band y-band

Figure 2. Sky maps where each HEALpix is weighted according to a priority metric for a broad combination of Galactic Plane
science, presented for each filter, and including field set 1 pencil-beams.

2.2. Variability Timescales and Survey Cadence

Time-domain astrophysics, including both transient and repeating variable phenomena, is the science driver behind

much, though not all, of the galactic science use-cases considered here. Accurately capturing all nuances of every type of
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variability in MAF-style metrics is challenging, and it risks the possibility that the nuance being lost or misunderstood

in the interpretation of the results.

We propose that this goal can be approached by considering the following broad categories of variability according

to the typical timescale of the phenomena, e.g. τvar: <10 days, 10–100 days, 100-365 and >365 days. These categories

can include both transient and (quasi-)periodic phenomena if τvar is ascribed to either the duration of a transient

event or the cycle period, respectively. Irregular phenomena may be considered to be a sub-class of either transients

(if they exhibit extended periods of quiescence between excited states), or quasi-periodic (if the variability is near

continuous, τvar can refer to the average time between high and low states). For current purposes, the critical aspect

is how quickly or how often a variable target changes photometric state, since the survey would need to observe at a

minimum of this frequency in order to reliably detect the variability. Examples of these categories include the following

science use-cases.

• <10 days, includes exoplanet, white dwarf transits and pulsations, stellar flares, self-lensing by compact objects

in binaries, short period stellar binaries, pulsating stars (inc. RR Lyrae, Cepheids), some microlensing (e.g.,

by free-floating planets, bound planet anomalies, brown dwarfs), variability in young stars, short-term accretion

variability.

• 10–100 days, includes most microlensing by galactic stellar-mass lenses, intermediate pulsation periods, short

term disk and magnetic instability in Cataclysmic Variables, novae, accretion in young stars,

• 100–365 days, includes microlensing by stellar remnants, long-timescale pulsations, medium timescale disk insta-

bility and mass transfer in Cataclysmic Variables,

• >365 days, includes long-period variables, e.g. Miras, microlensing by black holes and long term disk instability

and mass transfer in Cataclysmic Variables.

It should be noted that periodic objects can be detected from low cadence data if the baseline is long enough,

especially in the shortest timescale categories (see for example Wiktorowicz et al. 2021). In terms of survey strategy,

this means that the variability timescale does not directly set the minimum cadence requirement. For these science

goals, a better metric is to analyse how well LSST will measure different periods, which is explored in parallel papers

including Geller et al. (2021), Di Criscienzo (2023) and Prsa (2023).

This work therefore focuses primarily on transient, irregular and quasi-periodic variability. However, there is an

argument in favor of using the following metrics for periodic objects, particularly within the first few years of LSST,

to ensure that periodic objects are identified as soon as possible. In addition to promoting the early study of these

variables, it will also improve the identification of transients as they can be excluded from classification.

Although LSST will generate an alert whenever an object varies by more than 5σ from the template image flux, for

most of galactic science a single detection is insufficient to reliably identify variability. Based on previous follow-up

experience (Tsapras et al. 2019, e.g.) we require a minimum of 5 observations taken within τvar to consider a variable

target “detectable” in the sense of being able to accurately extract targets of interest from the LSST datastream. It

should be noted that this neglects requirements for multi-filter observations within a given timescale, as filter selection

is considered with an independent metric described below.

Applying this requirement to transient phenomena, we derive a maximum-useful observation interval, τobs = τvar/5

for the categories above ({ } notation indicates where multiple categories are used to cover a span of timescales):

• τvar <10 days, τobs = 2 days

• 10 < τvar <100 days, τobs = 2 - 20 days; represented as τobs = {5, 11} days

• 100 < τvar <365 days, τobs = 20 - 73 days; represented as τobs = {20, 46.5} days

• τvar >365 days, τobs = 73 days

Two values of τobs are considered for the τvar categories between 10 and 365 days, as they encompass a large number

of different phenomena of interest which span this timescale range. We therefore consider six representative categories

of variability in what follows.
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Typically, observations of time-domain variability, particularly transient phenomena, are most valuable when they

occur at the intervals of τobs. However, they are usually still valuable even if they occur after this interval, though the

value of later observations decreases with increasing interval. We represent this as a Visit Interval Metric (VIM), a

decaying function of the interval between sequential visits (plotted in Figure 3), ∆t and time t, where

V IM = 1.0, t ≤ τobs (1)

V IM = e−K(∆t−τobs), t > τobs,K = 1.0/τobs. (2)

Figure 3. Merit function representing how the scientific value of sequential observations of time-variable objects decreases as
the interval between observations exceeds the timescale characteristic of the object’s variability.

Even if observations are acquired at a regular cadence appropriate to the variability of a given target, there is a

second factor impacting whether the target can be characterized from the resulting timeseries. With the exception of

circumpolar objects, a given object is only visible to Rubin for up to a few months each year. For variability categories

where τobs is shorter than the gap between seasons, ∆gap, the season length is not the dominant factor in evaluating

a given strategy, and a Season Visibility Gap Metric, SVGM, should return 1.0. But objects with longer variability

timescales can be difficult to characterize if the gaps between seasons are comparable to the τvar, so we apply a similar

decay function:

SV GM = 1.0, t ≤ τobs (3)

SV GM = e−K(∆gap−τobs),∆gap > τobs,K = 1.0/τobs. (4)

Consideration of these two components can be used to evaluate how well the timeseries from a given survey strategy

will allow variability in these timescale categories to be detected.

2.3. Filter Selection

The maps of desired survey regions described in Section 2.1 were designed to take into account the relative priority

placed on observations in different filters by different science cases, by assigning a weighting between 0–1 to each filter

for each science case, and then multiplied by the priority of the pointing for each HEALpix. Relative weights were then
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summed over all science cases considered to create a priority map in each filter. These filter-specific priority maps can

be used in a metric to evaluate how well a given OpSim meets the filter requirements of the science in the following

way.

For each survey strategy simulation, the summed exposure time spent per pointing per filter, f , can be calculated as

a function of spatial position for each HEALpix as a function of the total exposure time dedicated to that HEALpix,

(Rexp).

Rexp(f, α, δ) =

∑Nexp
0 texp(f, α, δ)∑Nexp

0 texp(α, δ)
, (5)

where f indicates the filter bandpass, α, δ denote the RA and Dec of the HEALpix, texp refers to exposure time in

seconds and Nexp gives the number of exposures in each filter per HEALpix. In the optimum survey strategy, these

proportions per HEALpix should correspond to the relative priorities, p(f, α, δ), of that HEALpix in the priority maps

for each filter. This is estimated as a fraction of the total priority for that pixel summed over all filters,

FW (f, α, δ) =
p(f, α, δ)∑
f p(f, α, δ)

. (6)

The metric therefore outputs Mf (f, α, δ) = Rexp(f, α, δ)/FW (f, α, δ), and this quantity is evaluated by calculating

the percentage of the desired survey HEALpixs where Mf ≥ 1.0.

It is informative to evaluate the above metrics for footprint, survey cadence and filter selection individually for

the information they provide regarding the strengths and weaknesses of a given survey strategy for different types

of variability. We explored the option of producing a single Figure of Merit which calculated the product of these

factors to see if it provided a useful guide survey strategy choices. However, in practice we found that this inevitably

obscures significant nuance for the many different science cases included, so we proceeded with a careful evaluation of

the individual component metrics.

3. EVALUATING THE baseline v2.0 STRATEGY

Following community feedback to Jones (2021), the then-nominal survey footprint for the WFD (baseline v1.5)

was modified to include a region around the Galactic Bulge (baseline v2.0). It is instructive to compare these survey

footprints with the galactic science survey footprint from Section 2.1, to quantify how well they would serve the science

drivers considered here. We note that a baseline v2.1 simulation was also produced, which included the Virgo cluster

in the low-dust WFD region and added a requirement to acquire r and i-band images in conditions of good seeing

(FWMHeffective < 0.8”) each year. Although all simulations were analysed, in practise we found that these changes

have minimal impact on the following discussion. Since baseline v2.0 continues to be used widely as the canonical

reference at the time of writing, we base our comparisons on it. It should also be noted that each visit to an on-sky

pointing consisted of 1×30 s exposures in baseline v1.5 compared with 2×15 s for g, r, i, z, y filter exposures in the

v2.x simulations. This means that there are ∼9% more visits available in v1.5 compared with later implementations,

due to the additional overheads.

For each LSST survey strategy simulation, we identified the region surveyed as the area including all HEALpixs

to receive a minimum number of total visits during the 10yr survey. Observations in all filters are included, but we

required that the limiting magnitude reached equal or exceed 21.5 mag. This represents the faintest object expected

to be detected at 5σ in a single LSST exposure, in any filter, of nominal duration of 30 s in crowded Galactic Plane

fields with moderate extinction (Suberlak et al. 2018). While this is a conservative limit in some bandpasses, it was

adopted in all filters to simplify the code, because the effect of this constraint is simply to exclude short exposures

in a few OpSims designed to explore this option. Thresholds for the minimum number of visits were estimated by

considering the maximum useful interval between observations, τobs, described in Section 2.2. We approximated the

average seasonal visibility of a given HEALpix from the Rubin Observatory to be 6.5 months, taking into account the

requirement for two visits per pointing per night. From this we can estimate the expected number of visits to a given

HEALpix over the course of the 10 yr survey if the survey achieved the interval τobs, for each of the four variability

categories.

The GalPlaneFootprintMetric was used to calculate the percentage of HEALpixs in the desired survey footprint

to receive the minimum number of visits in each filter. We considered both the combined survey region, as well as the

survey regions for each science case separately, to gain better insight into the science which most benefits from each
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survey strategy. Figures 4 & 5 summarize the percentage of the desired regions to receive the minimum number of

visits needed to characterize the six categories of variability timescale (see Section 2.2), for the baseline v1.5 and

baseline v2.0 simulations respectively.

Figure 4. The percentage of the desired survey regions to receive the indicated number of visits over the 10yr survey lifetime
in the baseline v1.5 simulation (%ofPriority metric), plotted for the four categories of variability timescale.

Figure 4 shows clearly that no region received sufficiently high cadence in baseline v1.5 to characterize the most

rapidly variable targets (τobs=2 days / τvar < 10 days) from Rubin data alone. Notably, the key regions of the

Galactic Bulge and Magellanic Clouds did not receive sufficient observations to characterize even intermediate timescale

(τobs = 5, 11,d) variables either, although variables in categories with longer timescales are detectable in all regions.

Strikingly, ∼40% of the combined map of desired regions received sufficient visits to detect variability with τobs > 5 d

in baseline v1.5 , while no region did in baseline v2.0 (Figure 5). This is because baseline v1.5 dedicated more

visits to areas in the Galactic Plane with 5 < |b| < 15◦ whereas baseline v2.0 concentrated on the central Galactic

Plane and Magellanic Clouds. This means that intermediate timescale variables (τobs ≥ 11 d) are very well recovered
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Figure 5. The percentage of the desired survey regions to receive the indicated number of visits over the 10yr survey lifetime
in the baseline v2.0 simulation, plotted for the four categories of variability timescale.

from those regions in baseline v2.0 data. The results are similar for variables in the intermediate categories for

most other regions except Globular clusters, which see an improvement of ∼25%. The lack of high-cadence data in

any Galactic Plane region significantly curtails the detected population of microlensing events, and other transient

phenomena, including X-ray Binary/Cataclysmic Variables outbursts.

This illustrates one possible trade-off between sky area covered and time cadence achieved, and while the additional

visits to the Galactic Bulge and Magellanic Clouds enhance a range of science, we argue that further optimization

is possible. In particular, we note that a great deal of high priority science in the short τobs categories is lost when

no areas receive visits at high cadence. This is illustrated in Figure 6, which presents the regions of the combined

HEALpix science priority map to receive ≥1309 visits (τobs > 11 d) in the baseline v1.5 and v2.0 simulations. While

baseline v2.0 allocates more visits to high priority regions, it still includes more visits in relatively low priority fields

at |b| > 10◦ instead of the rest of the Galactic Plane at galactic longitudes away from the Bulge. The first option for

the GalacticPlaneMetric “%ofPriority”, sums the science priority of all HEALpixs within a given science region to
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receive sufficient numbers of visits to meet the sampling requirement for each τobs category. This value is presented

as a percentage of the summed priority of all HEALpixs within the region in question, giving a measure of whether

a given observing strategy focused on the highest priority regions. We use this to compare baseline v1.5 and v2.0

in Figure 7, for τobs = 11 d. This shows that the revised baseline v2.0 strategy benefits several science cases with

more of their high-priority regions being monitored, notably the Bulge, Magellanic Clouds, Globular Clusters, X-Ray

Binaries and the Bonito set of SFRs, and an increase of over 26% in the monitoring of the pencil-beam fields.

In contrast, the percentage of HEALpixs from the Galactic Plane region monitored at this cadence actually decreases

overall in baseline v2.0 , by 8.1%. But this leads to only a small decrease (2.1%) in the summed HEALpix priority,

reflecting the strategy’s focus on the highest priority areas.

Of greater concern is that the central Bulge Diamond region includes a limited cross-section through the disk and

halo populations of the Milky Way, and does not provide good time-cadence of the populations at higher galactic

longitudes. These stellar populations, and their dynamics, can differ significantly, and it is particularly important

for microlensing to sample different lines of sight through the galaxy, particularly along the arms of the Milky Way.

We therefore recommend a less centrally-concentrated Diamond, plus fields in the Magellanic Clouds, with visits

distributed across priority regions at a greater range of longitudes.

We do note significant decreases in the coverage of the Zucker SFR and Open Clusters in baseline v2.0. This is

likely the result of decreased visits to high longitude Galactic Plane fields, relative to baseline v1.5.

The second GalacticPlaneMetric, “%ofNObsPriority”, calculates the product of the number of visits to a given

HEALpix and the priority of that pixel, and sums this value over the desired survey regions. We present this metric

(Figure 7) as a percentage of the fiducial value that would result from all HEALpixs within a given region receiving

sufficient visits to detect variables in the category τobs = 5 d. Though many regions do show an improvement in this

metric in baseline v2.0, the Figure of Merit is low for all regions, and decreases overall for the combined science

map, despite the increase in visits to the high priority regions. This reflects the fact that no region is covered at the

fiducial cadence in the baseline v2.0 strategy.

The goal of these Figures of Merit is to provide a guide to evaluating trade offs between cadence and survey area.

If no additional time can be dedicated to surveying the Galactic Plane, we recommend redefining the Diamond region

based on the priority maps described above. We discuss this further in Section 5.

It is important to note that one of the Core Community Surveys that will be undertaken by the Nancy Grace Roman

Space Telescope will provide very high cadence (every ∼15 min) NIR imaging of a small region (∼2 sq.deg, Penny et al.

2019) of the central Galactic Bulge. Owing to Roman’s viewing and scheduling constraints, these observations will take

place in ‘seasons’∼62–70 d long, interspaced with gaps of several months. Rubin observations are highly complementary

to those of Roman in terms of wavelength (optical .vs. NIR 0.48–2.3 microns), and potentially also in terms of cadence

and spatial coverage, if the operational strategies of these contemporaneous surveys are coordinated. For example,

Rubin observations during Roman’s inter-season gaps could help to constrain the parameters of microlensing events

(Street et al. 2018b). An in-depth study of Rubin OpSims specifically focusing on microlensing science is in preparation,

and a second paper will explore the benefits of combining Roman and Rubin photometry for these events. Rubin’s

survey of a much wider spatial region is particularly valuable as it will encompass a greater range of stellar environments

and provide information on the populations of those regions that can then be compared with the results of Roman’s

in-depth study of Bulge populations. This is particularly important for inherently rare categories of variables, such as

X-ray binaries (Johnson et al. 2019). We note, however, a few science cases that would not be well served without higher

cadence Rubin observations of at least some Galactic Plane regions, such as Cataclysmic Variables (CVs) and Young

Stellar Objects. CVs have blue colors that are not well suited to Roman observations, while Young Stellar Objects

exhibit variability on timescales ranging from <10 d – 100 d, but are concentrated in SFRs outside the Galactic Bulge.

3.1. Survey cadence

Figure 8 displays the survey cadence metrics computed for the baseline v2.0 strategy for all science regions. In

both plots, a value of 100% indicates ideal cadence over the desired survey region. It is noteworthy that the VIM

metric indicates that the baseline v2.0 strategy provides good cadence for some of the science regions of interest,

particularly the Bulge, Magellanic Clouds and a number of key stellar clusters and SFRs that were not well sampled

in earlier strategies. The lack of monitoring of the regions at higher galactic longitude is reflected in the lower value

of the metric for all timescales for the combined, pencil-beams and the X-ray binary science regions.
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Figure 6. Maps of the combined science priority of each HEALpix regions to receive at least 1309 visits during LSST (average
cadence adequate to detect variability on intermediate timescales of ∼11 d). The dark areas indicate which scientifically desirable
regions are insufficiently observed. (Left) baseline v1.5, (right) baseline v2.0.

Figure 7. Galactic Plane Figures of Merit used to compare baseline v1.5 (dark purple, diamonds) and v2.0 (salmon pink,
stars). (Left) Summed science priority of the HEALpixs within a given science region to receive adequate sampling in the
τobs=11 d (τobs = 5 d) category (bars), compared with the number of HEALpixs sampled (symbols). (Right) The product of
the number of visits to a HEALpix and its priority, summed over the survey regions of interest and presented as a percentage
of the fiducial value expected from an ideal survey.

All but circumpolar fields will experience some inevitable gaps in survey monitoring due to their annual visibility

cycle, and variables (especially transient events) with timescales shorter than this gap will be missed. The SVGM

metric takes the inevitable season gaps into account, and instead evaluates whether the gap is longer than expected

(the average expected gap between seasons is 145 d). This is primarily of interest for long-timescale phenomena, such

as black hole microlensing, for which the lightcurves can be partially sampled if the gap between seasons is elongated.

For this reason, we consider this metric for the longer timescale categories only.

The baseline v2.0 strategy maintains relatively uniform sampling across all 10 yrs of LSST, and thus Figure 8

indicates that long-timescale variables would be characterized in the Plane, Bulge, Magellanic Clouds and in many

clusters and SFRs. The SVGM metric is mainly intended to compare the impacts of rolling cadence implementations,

where large latitudinal bands of the sky may be observed intensively in any given year, but then neglected in favor of
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a different band in the subsequent year(s), potentially leaving long-term variables uncharacterized. This is discussed

further in Section 4.3.

Figure 8. Survey cadence metrics evaluated for the baseline v2.0 strategy. (Left) Survey Visit Interval Metric (VIM) and
(right) Season Visit Gap Metric (SVGM).

3.2. Filter Selection

Time-dependent color changes are a key diagnostic feature for many variable types. To evaluate whether adequate

observations were obtained in different passbands, we calculated the percentage of the desired survey region to receive

an Rexp ratio of ≥1.0. Figure 9 presents this metric for the different survey regions and compares the performance of

baseline v2.0 and baseline v2.1 in different filters. Since both of these strategies apply a uniform exposure time

(30 s) in all filters, exposure time spent relates directly to the number of exposures acquired in each filter.

Figure 9. Percentage of desired survey region to have Rexp ≥ 1.0, comparing the time spent dedicated in different passbands
for the baseline v2.0 (left) and baseline v2.1 (right) strategies.
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Our analysis indicates that the balance of time spent between different passbands is less than ideal for the combined

survey region, for both baseline strategies. This reflects higher sampling in the u and y filters than is recommended

for some regions, particularly those with high-extinction. Of particular concern is the imbalance between observations

in the g band and those in at least one of r, i or z, since regular observations in both blue and red bands is required

for time-series color observations that will identify and characterize many categories of variable stars.

Similar concerns are seen for many of the individual science regions, with the Clementini resolved stellar populations

being particularly poorly sampled.

4. EVALUATION OF V2.0 AND V2.1 SIMULATIONS

Jones (2021) presented a very large set of simulations in ‘families’ designed to explore how varying different pa-

rameters and aspects of the survey strategy would impact different science cases. We evaluated all of the simulations

using the metrics described above, and note that this work complements detailed analysis performed for a range of

science-specific metrics published in parallel, including the MicrolensingMetric (Abrams et al. in prep) and the

NYoungStarsMetric (Prisinzano et al. 2022a). In particular, the recovery of periodic variables is explored in Bonito

et al. in prep. In this section we summarize our conclusions. As noted above, the shortest timescales category of

variability is not well served in any simulation, so we present results for τvar ≥ 11 days.

4.1. vary gp family of simulations

This family of simulations varied the amount of survey time spent on fields in the region of the Galactic Plane not

included in either the Bulge Diamond or the (baseline v2.0) WFD region. Figure 10 summarizes the metric data for

this family.

The “%ofPriority” GalPlaneFootprintMetric clearly shows that a greater percentage of the priority area is in-

cluded when more visits are dedicated to the high galactic longitude regions of the Galactic Plane, particularly for

gpfrac weightings >0.5, with strong increases in the metric for the combined galactic science region and pencil-beams.

Increasing the sampling of regions outside the central Plane increases the total population of variables of many types,

including microlensing events, Young Stellar Objects and X-ray Binaries, which boosts the corresponding metric values

when summed over the survey region for longer (τvar > 55days) timescale categories of variability.

There is a sweet-spot to be identified in terms of cadence and survey footprint. Observing a large area with too

low a cadence will mean that transient events can’t be properly identified in time for characterization or follow-up.

But reducing the area surveyed in order to boost the cadence will eventually also reduce the total number of transient

events discovered. We recommend evaluating the MicrolensingMetric with two timescales (30d and 200d) in order

to identify the optimum balance for transient events (see Abrams et al. in prep).

4.2. plane priority family of simulations

This family used the galactic science priority maps described in Section 2.1 to select different regions within the

Galactic Plane for inclusion in the WFD; effectively exploring the effects of increasing the size of the Diamond region.

The ‘pbf’ and ‘pbt’ variants within this family explored the impact of leaving out and including the pencil-beam fields,

respectively (see Figure 10, bottom panels).

Unsurprisingly, the footprint metrics (Fig. 10) show a marked improvement for the combined survey region when

the threshold for HEALpix selection is lowered and a larger region is included; this is also particularly important for

coverage of SFRs and clusters. There is a notable distinction at priority level=0.9 between the maps with and without

the pencil-beams included separately. If a priority selection level of 0.6 or lower is used, then the majority of the

pencil-beams regions are sampled at a cadence consistent with the rest of the survey region - regardless of whether

they are distinctly included in the map or not.

We found that adopting a priority threshold of at least 0.4 can be used to select a survey footprint which includes

the highest priority regions, while maximizing the cadence achieved.

In terms of observing known Milky Way star clusters to be used as calibrators for the LSST stellar populations,

the changes between the different baselines are minimal: baseline v2.0 and baseline v2.1 observe 70 fewer open

clusters in the Galactic Plane, and essentially the same numbers of globular clusters. Nevertheless, there are plenty of

open and globular clusters left in all baseline plans (∼2000 and 145, respectively), with a good coverage of the age and

metallicity space. There are small improvements in the maximum photometric depth reachable in the latest baselines

(up to 0.3 mag in the r band), mostly for clusters in less crowded areas of the Galactic Plane.
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Figure 10. (Top) Heatmap of the %ofPriority footprint area monitored at sufficient cadence to characterize variability τvar =
11 days, for simulations in the vary gp and plane priority (bottom) families. In the bottom panels, the left plot summarizes
the ‘pbf’ simulations without the pencil-beam fields, while the right plot shows the ‘pbt’ simulations that include them.
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4.3. Rolling Cadences

Jones (2021) explored a number of different implementations of a rolling cadence strategy, where the sky is divided

into separate bands, with some bands being observed more frequently in alternate years, with the ‘active’ bands

switching between regions year to year. It should be noted that the baseline v2.0 includes a 2-band rolling cadence

for the low-dust WFD region.

Alternatives explored included the use of 2, 3 or 6 bands, each with weightings of 0.5, 0.8 or 0.9, referring to increasing

ratio of visits to the active versus inactive bands. Some realizations also applied the rolling cadence to the central

Bulge Diamond, and to the whole sky, while other variations varied in which years the rolling was applied.

Figure 11. (Left) Heatmap of the VisitIntervalMetric calculated for the Galactic Bulge region for variability τvar = 10,days,
for a range of rolling cadence strategies. (Right) Heatmap of the Season Visibility Gap Metric calculated for all regions of
interest for variability timescales τvar =100 d.

Since a similar survey footprint was used in all simulations in this family, we analysed its impact on the cadence

achieved for different timescale categories of variability, in the different galactic science regions of interest. In many

cases, no impact was seen, because the rolling cadence was not applied to the Galactic Plane. The exception was the

rolling bulge family of opsims, and its impact on the detection of short timescale variables (τvar = 10 d) can be seen

in Figure 11.

Simulation rolling bulge 6 (a 6-band strategy) indicates that this strategy can reach almost the ideal cadence for

the shortest timescale (2 day) variability category for 1 or 2 yrs during the survey, but at the expense of achieving only

∼40–60% of the desired cadence in the remaining years.

If the years of high cadence in the Galactic Bulge were to coincide with the Roman Mission’s survey of that region,

then the complementary datasets would be very valuable for a wide range of science, particularly microlensing planet

characterization (Street et al. 2018b). This is a high priority science case, but it would come at the expense of lower

cadence in the other years, which may be detrimental to Rubin’s ability to fill in gaps between the Roman observing

seasons. Regular observations in all years are necessary to ensure that transient events continue to be discovered over

a wide area, even if the cadence is so low that characterization depends on additional follow-up. This also ensures that

long-timescale phenomena are properly characterized. We recommend that further exploration of the pros and cons of

rolling cadence in the Bulge be undertaken. This should include comparing simulations of rolling cadence implemented

for just the very small Roman Bulge survey region with those of rolling over a larger area, while regular cadence is

maintained elsewhere in the Galactic Plane. At ∼2 sq.deg., this survey region spans just ∼20% of a single Rubin field

of view, so a Rubin Deep Drilling Field at this location could not only deliver complementary wavelength and cadence

photometry but would also provide data on the wider surrounding region, helping to put the Roman results in context.

The simulation of rolling cadence across the whole sky is also noteworthy. In high cadence years, it delivers ∼63%

of the desired sampling for the shortest timescale variable categories in the Galactic Plane region. In “off” years, this
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drops to ∼60%, but the improvement in sampling over the baseline (∼62%) was small. We used the SVGM to explore

whether the rolling cadence strategies created any undesirably long gaps between annual seasons of observations of the

different regions of interest (Fig. 11). For variability timescales τvar ≥100 d the metric changed by <10%, suggesting

that no gaps in the lightcurves would be detrimental to the characterization of long-timescale variables.

4.4. Intra-night Cadences

A number of LSST White Papers recommended multiple visits per night in various regions, to improve the rejection

of spurious transient candidates and the identification of moving objects. The presto and long gaps simulations

explored strategies where 2 or 3 visits/night were performed, with different time intervals between them, as well as

repeated or different filter selections.

However, most of these simulations applied these modifications to the WFD survey region. There was a significant

(∼30%) reduction in the area covered at adequate cadence for τvar ≥ 55 days in the Magellanic Clouds if the gap

between exposures is short, i.e. <3 hrs. There was a similar reduction in cadence across Open and Globular Clusters,

though the impact was less marked. Otherwise the results were very similar to the baseline v2.0 strategy, and

shorter timescales of variability are not well sampled.

Evaluating the balance of time allocated to different filters showed a dramatic variation in the results for different

regions of science interest in different filters. For example, sufficient data were obtained in g-band for the Galactic

Bulge in all simulations, but the results in this filter for the Magellanic Clouds, Galactic Plane, X-ray Binaries and

resolved stellar populations were very poor. Conversely, the results in z-band were much better, with most regions

receiving at least 60% of the desired data.

In r-band, the “non-mixed” filter pairings among the presto gap strategies generally returned the best combination

of filter and cadence, since these focused on the g,r,i,z filterset recommended for most galactic science. The achievable

cadence in r for the “mixed” filterset g,r,i,z,y was considerably lower in all science regions (<20% of desired). However,

this was reversed in the i-band, where improved cadence was found with the mixed filterset in most presto gaps

implementations.

We note that pairs of exposures in different filters are very useful for distinguishing variability classes in real time, and

this is particularly important for brokers to be able to identify transients such as microlensing and Cataclysmic Variable

outbursts. The characterization of microlensing will depend on our ability to constrain the source magnification as a

function of time in at least two colors during the event. Regular multi-color observations are also important for the

characterization of pulsating stars and other periodic variables.

We recommend that different filtersets be prioritized with independent cadences separately for the WFD and galactic

science regions of interest respectively.

4.5. Other simulations explored

Jones (2021) included a wide range of other simulations designed to explore different scenarios not directly relevant

to galactic science. Nevertheless it was important to assess these simulations as well, to identify any unexpected

negative impacts. Here we briefly summarize our key findings.

• Bluer Balance: Increasing the number of g-band exposures is reflected by an increase in the VIM for Star

Forming Regions. Enhancing both u and g exposures causes a detrimental decrease in cadence for almost all

regions.

• Long u: Increasing u-band exposures to 50 s exposure time enhanced the percentage of some regions of interest

that received the desired ratio of visits in u band, provided that the total number of u-band exposures in the

survey remained the same. X-ray binaries, the Galactic Bulge and pencil-beam fields benefited. However, this

came at the expense of the number of observations in the other filters that are important for other science goals.

• Vary Exposure Time/Shave: This strategy slightly reduced the area of the desired footprint covered at a

cadence sufficient to detect variability timescales of 55 d or longer, negatively impacting primarily science from

the Galactic Plane, open clusters and star forming regions.

However, the VIM per year shows significant improvement (1.0 (max) vs. 0.8) over baseline v2.0 for longer

(τvar > 55 d) variability timescales. This may be due to a higher number of observations reaching the required

signal-to-noise thresholds, thereby improving the cadence achieved.
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• Vary North Ecliptic Spur: By including more visits to fields at high galactic longitude, more Star Forming

Regions are covered at higher cadence. The simulations with a weighting factor nesfrac ≥0.75 show a significant

improvement for this science case. However, it appears to come at the expense of coverage in the Galactic Plane,

reducing the cadence in the combined region of interest by ∼10%.

• No Repeat: The imposition of an additional basis function to avoid repeated visits in a single night seems

to slightly reduce the number of visits to the Galactic Plane relative to baseline v2.1, evidenced by a drop in

the area receiving the cadence required in each time category. This is detrimental to many of our science goals.

However, simulations with a higher repeat weight parameter do show a strong improvement in the SeasonGaps

metric specifically for the Galactic Bulge region, which is beneficial for long-term variable classes in that region.

• Good Seeing: Requiring that g,r,i images be acquired in good seeing conditions for the whole sky results

in a small reduction in the areas of interest receiving adequate cadence, relative to baseline v2.1. Given the

importance of these images to good image subtraction, particularly in crowded regions like the Galactic Plane

and Magellanic Clouds, we conclude that the benefits outweigh the detriments.

• Deep Drilling Fields: Reducing the number of visits to the DDFs to 3% causes a small but unsurprising

increase in the cadence in galactic science regions of interest, with a corresponding decrease if more time is

dedicated to the DDFs.

Since none of the DDFs lie within the galactic science regions of interest, none of the DDF simulations have any

impact on our footprint or cadence metrics. Some of the DDF “accordion” simulations did produce undesirable

variations in the frequency of r-band monitoring in the Galactic Bulge specifically, underscoring the importance

of implementing different cadences per filter for different survey regions.

4.6. Microsurveys

This category of simulations includes a wide range of proposals made in general to support specific science cases,

often with specialized constraints on the survey region or cadence. To some degree, whether adequate on-sky time will

be available for these proposals to be included in LSST after the science requirements are met, depends on the hardware

overheads relating to slew times, filter changes etc. Current estimates suggest that some time will be available, but a

final decision on the microsurveys will be made after commissioning. That said, a number of the microsurvey proposals

are particularly relevant to galactic science, so we reviewed the simulations provided and summarize our findings below.

• Virgo Cluster: This region lies outside of the desired regions for galactic science, and its inclusion had no

impact on the cadence achieved within our desired regions.

• SMC movie: The requested two nights of intensive observations of this relatively small region have no appre-

ciable impact on the metrics for the other regions, while the survey would enable the detection of exoplanets in

the SMC, and characterize short-term variables of all kinds. The alternative strategy proposed (longer-cadence

observations over a longer period) would be delivered automatically by including the SMC in the WFD region,

as done for baseline v2.0 and v2.1.

• Roman: This strategy proposed a dual cadence: high cadence observations of the Bulge within limited periods

where Roman simultaneously observes the same Galactic Bulge Time-Domain Survey field, and lower cadence

observations between the Roman survey windows. Some of the lower-cadence observations would be provided

automatically if the Bulge field is included in the WFD region, as in baseline v2.0, v2.1. The VIM shows a

small increase for the Bulge region, reflecting the relatively small number of additional observations required for

the high-cadence strategy, with no significant impact on other regions.

• Too rate: Rubin performing 10-50 Target-Of-Opportunity overrides per year appears to have no significant

impact on observations in our regions of interest.

• North Stripe: This strategy would increase the number of visits to regions of the Galactic Plane at high

longitude, which is beneficial for some galactic science.
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• Short exposure: This strategy has no appreciable impact on our metrics, meaning that the additional

exposures do not subtract a significant number of visits per region overall. We note the value of these short

exposures for calibrating Rubin’s galactic star map at the bright end of its magnitude range, which will allow

the stellar populations to be more easily compared between Rubin data and other surveys (Gizis 2018).

• Multi short: Taking 4 short exposures back-to-back in a single filter per pointing (up to a maximum of

12/year) slightly reduced the cadence achieved in almost all of our desired survey regions, except the Galactic

Bulge.

• Twilight NEO: These simulations prioritized observations in twilight of areas outside the Galactic Plane where

Near Earth Objects are easiest to detect. This produces a slightly lower cadence (relative to baseline v2.0) in

all years for all regions of interest, notably the pencil-beams, Star Forming Regions and the Galactic Plane.

• Carina: These simulations were designed around the Bonito & Hartigan (2018) proposal. The v1.7 simulation

represented the best strategy of one visit to the Carina Nebula every 30 minutes, cycling through filters g, r, i,

and u for 7 days (with this observation pattern being repeated every 2-3 yrs). The goal of the proposal was to

execute this pattern for 5 SFRs, including Carina. Our metrics indicate this strategy significantly enhanced the

VIM for the Bonito SFRs as expected (to 95% for τvar=11 d compared with 93% for the baseline v2.0) with no

impact to other regions. A more specialized analysis of the characterization of accreting Young Stellar Objects

is presented in Bonito & Venuti (2021).

5. POLISHING THE DIAMOND: REVISED SURVEY REGION IN THE GALACTIC PLANE

Although the inclusion of the Diamond in the central Galactic Plane and the Magellanic Clouds in the baseline v2.0

and v2.1 proved to be a dramatic improvement for many of the science cases considered here, the boundaries of the

Diamond were quite approximate in the first round of simulations. In this section, we describe how the priority maps

presented in Section 2.1 were used to refine the Diamond region to better reflect areas of high scientific interest.

Firstly, rather than include all galactic clusters and SFRs in the footprint at the same priority, we implemented a

relative priority weighting for the HEALpixs within different regions, based on the recommendations of specialists in

those fields of study. Open Clusters were ranked in priority according to the number of Gaia stars identified within the

cluster (Giradi, L., priv. comm.). SFRs were prioritized according to the order of table 3 in Prisinzano et al. (2022b).

The maps can be used to directly select larger or smaller regions simply by selecting those HEALpixs with a priority

above a lower or higher threshold, respectively. However, the resulting footprint tends to break into numerous smaller

regions that are often separated by gaps larger than the Rubin field of view, unless a very low threshold is used to

select a very large area. This is a natural consequence of the localised nature of some areas of interest (e.g. star

clusters) and the non-homogeneous extinction due to patchy dust across the Plane.

The patchy footprint raised the concern that this would cause the LSST scheduler to spend a higher amount of time
slewing between regions rather than exposing, decreasing survey efficiency and the total number of exposures possible

over the survey as a whole.

To explore this possibility, two simulations were compared that implement alternative sets of pencil-beam fields to

cover regions of high interest in the Galactic Plane (Table 3). The pencil fs1 simulation added 20 single-pointing

pencil-beams, distributed across the Galactic Plane, to the baseline v2.0 footprint, whereas pencil fs2 added an

alternative set of 4 larger pencil-beams. Both sets of pencil-beams include the same number of square degrees of sky

in total.

Two metrics were used to evaluate survey efficiency: the number of visits realised to the science regions of interest,

and the OpenShutterFractionMetric. We found that larger, consolidated pencil-beams result in a 7% increase to these

regions overall, with little change to the open shutter fraction in pencil-beam fields. Most of the other regions of

interest show small (∼2%) increases or decreases in their number of visits, depending on whether they overlapped

the pencil-beams. However, coverage of the Bonito Star Forming Regions dropped considerably - receiving 39% fewer

visits - when larger pencil-beams were used.

In general, the changes in the open shutter fraction were small for all regions, but the standard deviation of the

shutter fraction within each science region of interest changed by an order of magnitude for some regions. Within

the pencil-beam regions, the stddev dropped from 0.16 to 0.02 between the smaller and larger sets respectively. This

suggests that the overheads to image different HEALpixs within those regions were more consistent.
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We concluded that survey efficiency can be improved by selecting larger, contiguous regions for galactic science

wherever possible. In order to design this region to maximize the science as fairly as possible across the different

science cases, we adopted the following approach.

The original priority maps (Fig. 2) display numerous spatial regions of HEALpixs (‘peaks’) at high-priority when

plotted in a Mollweide sky projection. The Mollweide coordinates of the centroids of these regions were identified

using the photutils.find peaks function. We consider each peak as a potential pointing for the Rubin Observatory, and

identify those pixels which would lie within a single Rubin field of view. Here a selection threshold was applied, to

include only pixels with a priority above a given threshold; this allows us to select larger or smaller survey regions by

setting the priority threshold. We refer to the resulting pixel set as a ‘cluster’.

The goal was to identify ‘superclusters’, where the pixel clusters are sufficiently close together, relative to the angular

scale of the Rubin field of view, that they can be merged to form a region encompassing several high priority areas.

The superclusters including the greatest cumulative priority value (summed over their HEALpix area) can then be

added to a more contiguous, revised footprint region.

Numerous algorithms exist to identify clusters in parameter space, so we first explored a range of algorithms im-

plemented by the sklearn.cluster package, including DBSCAN (Ester et al. 1996), MiniBatchKMeans (Arthur &

Vassilvitskii 2007), OPTICS (Ankerst et al. 1999), MeanShift (Comaniciu & Meer 2002) and AffinityPropagation

(Frey & Dueck 2007). We experimented with feature sets including a matrix of the separations between the peaks

and their priority values, and tuned the configurable parameters of each algorithm to optimize the results. Of these,

we found that AffinityPropagation and MiniBatchKMeans produced the ‘best’ results. This was judged by comparing

the revised survey footprint produced, with the criteria that it should consist of a small number of contiguous regions,

which needed to include the highest-priority peaks and clusters visible on the maps, without also including large areas

of low-priority pixels.

However, this approach emphasized spatial proximity features over the HEALpix priority, which led to a number

of smaller (but high priority) regions of the sky being neglected, such as the Small Magellanic Cloud. We therefore

adopted an alternative approach. We identified potential superclusters where multiple clusters lay within a region 4×
the angular width of the Rubin field of view. The boundaries of each candidate supercluster were defined as ellipses

centered on the mean (x,y) of the member clusters with semi-major axes set by the minimum and maximum x,y ranges

of the included clusters. For a candidate supercluster to be accepted, the sum of the priorities of all pixels within the

ellipse was required to be greater than the sum of the pixels in the member clusters. This test prevented superclusters

expanding continuously into low-priority regions.

This approach produced a more consolidated survey footprint, while the use of elliptical superclusters minimized the

number of low-priority areas included. It also allowed us to re-weight the relative priority given to each science case

to ensure that science that focuses on specific, small regions was not dominated by science requiring larger areas.

The original Diamond included a region of ∼400 sq.deg. To identify a more optimized survey region we first used

the above process to simply re-distribute this same total area over high-priority regions. We computed the total area

selected by the above process for priority thresholds from 1.0 to 4.4, at intervals of 0.1, and found that a threshold of

2.0 selected a region of 424.7 sq.deg.

However, we noted that this region excludes a number of regions of high priority for several science cases, including

several pencil-beams and SFRs, so we next identified the smallest survey region that included these areas. We found

that a selection threshold of 1.5 selected an area totaling 937.5 sq.deg. that included this minimum survey region.

Both of the resulting survey regions were proposed for the next round of survey strategy simulations, and are shown in

Figure 12. We stress that these regions represent two possible consolidated survey footprints, but alternative regions

can be achieved by adjusting the selection thresholds used. For example, we recommend exploring the potential benefits

of applying rolling cadence to very limited regions, including the Roman Bulge Time-Domain, Magellanic Clouds and

selected SFRs, where high-cadence data is most valuable. By restricting this high cadence region it may be possible to

maintain regular cadence over a large area of the rest of the Galactic Plane, thereby balancing the needs of different

science cases.

6. CONCLUSIONS

We analysed all of the v2.0 and v2.1 Rubin survey strategy simulations to evaluate how well they performed

for time-domain galactic science, with particular reference to transient phenomena. While other works have explored

the simulations with specific science goals, the objective of this work was to provide high-level metrics to assist with
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Figure 12. Maps of the proposed revised survey region in the Galactic Plane and Magellanic Clouds in Mollweide projection.
(Left) Wider region selected with a projected pixel priority threshold of 1.5, (right) smaller region selected with a threshold of
2.0.

optimizing Rubin’s survey strategy for as broad a range of science as possible. We approached this by considering the

three major observational factors in survey strategy design - sky region, cadence and balance of exposures between

filters. We combined the spatial regions of interest for a range of different galactic science to produce a map indi-

cating the relative priority per HEALpix, and used this to recommend the most scientifically valuable regions of the

Galactic Bulge, Plane and Magellanic Clouds to include in LSST. A wide range of time-domain galactic science can

be represented by categorizing variability according to timescale, but this needs to be considered together with survey

footprint, since the spatial distributions of the target objects are often highly localized (e.g. star clusters).

6.1. Key Findings and Recommendations

baseline v2.0 and 2.1 were shown to deliver significantly improved cadence, relative to v1.5, in all of the science

cases considered, thanks to the inclusion of a region in the central Galactic Plane and the Magellanic Clouds in

the WFD. However, in our analysis of v2.0 and v2.1 simulations, we concluded that very little of the regions of

interest to galactic science would receive sufficient visits to reliably detect short (< 10 d) timescale variability, unless

a rolling cadence strategy is adopted for the Galactic Plane (in whole or a sub-region). In particular, we note that

characterizing short term variability in Young Stellar Objects will require higher cadence in specific regions outside

the Galactic Bulge, as discussed in Bonito & Venuti (2021). We propose a “refined Diamond”, consisting of a limited

footprint of interest where high cadence observations would be most scientifically valuable, but emphasize that the rest

of the Galactic Plane should still receive regular visits throughout the survey. This ensures that long-term variability

can be characterized across the whole Galactic Plane, and that the co-added images will reach sufficiently faint limiting

magnitudes to ensure a large volume survey for SFRs and stellar clusters. We recommend further simulations of a

rolling cadence strategy applied to the refined Diamond regions, particularly to coordinate the rolling seasons with

the Roman Galactic Bulge Time-Domain Survey, to enhance the characterization of microlensing events from that

region. Lastly, we note that, for galactic science, there are pros and cons to the choice between 1×30 s exposures (as

adopted in baseline v1.5 ) and 2×15 s for g, r, i, z, y filters (used in baseline v2.0 ). Taking fewer, longer exposures

results in lower operational overheads, and theoretically allows for ∼9% more visits overall, at least some of which

could be used to either enhance the cadence or area covered in the Galactic Plane. On the other hand, most of the

science cases considered here depend on cadence of observation rather than reaching deep limiting magnitudes, and

shorter exposures provide more unsaturated photometry of brighter objects. This allows for the comparison of LSST

photometry with that of other surveys, as well as facilitating follow-up observations.
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ABSTRACT
We study tidal dissipation in hot Jupiter host stars due to the nonlinear damping of tidally driven

g-modes, extending the calculations of Essick & Weinberg (2016) to a wide variety of non-solar type
hosts. This process causes the planet’s orbit to decay and has potentially important consequences for
the evolution and fate of hot Jupiters. Previous studies either only accounted for linear dissipation
processes or assumed that the resonantly excited primary mode becomes strongly nonlinear and breaks
as it approaches the stellar center. However, the great majority of hot Jupiter systems are in the weakly
nonlinear regime in which the primary mode does not break but instead excites a sea of secondary
modes via three-mode interactions. We simulate these nonlinear interactions and calculate the net
mode dissipation for stars that range in mass from 0.5M� ≤ M? ≤ 2.0M� and in age from the early
main sequence to the subgiant phase. For stars with M? . 1.0M� of nearly any age, we find that the
orbital decay time is . 100 Myr for orbital periods Porb . 1 day. For M? & 1.2M�, the orbital decay
time only becomes short on the subgiant branch, where it can be . 10 Myr for Porb . 2 days and
result in significant transit time shifts. We discuss these results in the context of known hot Jupiter
systems and examine the prospects for detecting their orbital decay with transit timing measurements.

Keywords: gravitation – instabilities – planets and satellites: dynamical evolution and stability – waves

1. Introduction

The orbits of hot Jupiters decay over time due to the
tide-induced transfer of energy and angular momentum
from the orbit to the host star. The orbital decay rate
depends on the efficiency of tidal dissipation within the
star and is sensitive to its structure and evolutionary
state. The rate can therefore be a strong function of not
just orbital period, but also stellar mass and age (for a
review of tidal dissipation processes in stars and giant
planets, see Ogilvie 2014).
The most direct observational evidence of hot Jupiter

orbital decay comes from the measured transit time
shifts of WASP-12b (Maciejewski et al. 2016; Patra et al.
2017; Yee et al. 2020) and Kepler-1658b (Vissapragada

Corresponding author: Nevin N. Weinberg
nevin@uta.edu

et al. 2022). A number of studies also find evidence
from the statistical analysis of hot Jupiter populations
(Jackson et al. 2009; Teitler & Königl 2014; Penev et al.
2018; Hamer & Schlaufman 2019). For example, Jackson
et al. (2009) find that older planets tend to be farther
from their hosts than younger planets, which they ar-
gue is evidence for the ongoing destruction of planets by
tides. Using the measured Galactic velocity dispersion,
Hamer & Schlaufman (2019) show that hot Jupiter host
stars are preferentially younger than a matched sam-
ple of field stars, which can be explained if the planets
are destroyed while the hosts are on the main sequence.
McQuillan et al. (2013) find a dearth of close-in planets
orbiting rapidly rotating stars, which Teitler & Königl
(2014) attribute to tidal ingestion of giant planets. The
recently reported infrared transient ZTF SLRN-2020 ap-
pears to capture the moments of a planet’s ingestion by a
main sequence or early subgiant branch star with mass

ar
X

iv
:2

30
5.

11
97

4v
1 

 [
as

tr
o-

ph
.E

P]
  1

8 
M

ay
 2

02
3

http://orcid.org/0000-0001-9194-2084
http://orcid.org/0000-0001-8196-9267
http://orcid.org/0000-0002-6011-6190
http://orcid.org/0000-0001-5611-1349
http://orcid.org/0000-0003-1950-448X
mailto: nevin@uta.edu


2

around 0.8 − 1.5M�, and could be the culmination of
tide-induced orbital decay (De et al. 2023).
The dominant source of dissipation in most hot

Jupiter host stars is damping of the resonantly excited
internal gravity waves that comprise the dynamical tide
(Barker & Ogilvie 2010; Ivanov et al. 2013; Essick &
Weinberg 2016; Barker 2020). In stars with thick outer
convective envelopes, an internal gravity wave is excited
near the radiative-convective boundary and propagates
inwards towards the core. As the wave approaches the
stellar center, its amplitudes grows due to geometric fo-
cusing and it can become nonlinear. If the amplitude of
the wave is not too large, it reflects at an inner turning
point and forms a standing wave, i.e., a g-mode.
Most studies either ignore nonlinearities and treat the

wave as linear throughout the star or they take the
other extreme and assume it becomes strongly nonlinear
and undergoes wave breaking in the core. However, as
we show (see also Barker 2020), most hot Jupiter sys-
tems are in an intermediate regime where the wave is
weakly nonlinear. In this regime, the wave excites a sea
of secondary waves through nonlinear wave-wave inter-
actions. Since the secondary waves have much shorter
wavelengths than the primary wave, they have much
larger damping rates. Treating the primary wave as lin-
ear is therefore not only invalid, it can greatly underes-
timate the efficiency of tidal dissipation. On the other
hand, treating it as strongly nonlinear overestimates the
efficiency because it assumes the wave transfers all of its
energy and angular momentum on its first journey into
the stellar center. In the weakly nonlinear regime, by
contrast, the primary wave deposits only a fraction of
its energy and angular momentum each journey. The
value of the deposited fraction depends on the detailed
interaction between the primary and secondary waves
and determines the rate of tidal dissipation.
The first calculation of hot Jupiter orbital decay in

the weakly nonlinear regime was by Essick & Wein-
berg (2016; hereafter EW16). They assumed a solar-
type host star and considered a range of planet masses
Mp and orbital periods Porb. For a solar-type host,
the tide is in the weakly nonlinear regime for Mp .
3.6MJ (Porb/day)

−0.1; above this planet mass the waves
are strongly nonlinear (Barker & Ogilvie 2011). By solv-
ing the dynamics of large networks of nonlinearly in-
teracting waves, EW16 calculated the weakly nonlinear
tidal dissipation and found a stellar tidal quality factor
Q′? ' 3 × 105 (Mp/MJ)

0.5
(Porb/day)2.4. The dissipa-

tion can thus be highly efficient, causing hot Jupiters
with solar-type hosts and Porb . 2 days to decay on
timescales that are small compared to the main-sequence
lifetime of their host star. They found that the decrease
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Figure 1. Distribution of hot Jupiters in the plane of stel-
lar mass M? and orbital period Porb for planets with mass
Mp sin i > 0.5MJ , where i is the orbital inclination. The
color scale shows the best-fit stellar ages in Gyrs. Data is
from the NASA Exoplanet Archive and only stars with re-
ported ages are shown.

in Porb associated with these short decay times could
produce detectable transit timing variations.
EW16 only considered hot Jupiters orbiting a solar-

type star. However, as we show in Figure 1, there are
many hot Jupiters orbiting non-solar type stars. The
results of EW16 do not inform these other systems since
the efficiency of tidal dissipation is often sensitive to stel-
lar structure and therefore stellar massM? and age. For
example, on the main sequence the mass of the convec-
tive envelope rapidly decreases with increasing M?, and
a convective core appears above M? ≈ 1.2M�. While
the former effect may lead to only modest changes in
dissipation rate for M? . 1.2M�, the appearance of a
convective core may drastically decrease the degree of
wave nonlinearity, causing a sudden decrease in tidal
dissipation relative to slightly lower mass stars. As we
show, the efficiency of tidal dissipation can also be sen-
sitive to stellar age, especially as stars begin to evolve
up the subgiant branch.
The paper is organized as follows. In Section 2, we

describe the formalism we use to study weakly nonlin-
ear tidal dissipation, including the equation of motion
for our mode decomposition. In Section 3, we present
our stellar models and their linear and nonlinear mode
properties. In Section 4, we describe our method for
building and integrating networks of nonlinearly inter-
acting modes. In Section 5, we present the main results
of our calculations, including how the orbital decay rate
and transit time shift depend on M?, stellar age, Mp,
and Porb. In Section 6, we discuss the implications of
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our orbital decay calculations for known hot Jupiter sys-
tems. We summarize and conclude in Section 7.

2. Formalism for Weakly Nonlinear Tides

In hot Jupiter systems, the tide raised by the planet
excites high-order g-modes in the host star through lin-
ear and, we assume, weakly nonlinear forces. Since the
planet’s orbital period will in general be much shorter
than the rotational period of the star, the g-modes are
not strongly modified by Coriolis forces and we there-
fore neglect the star’s rotation.1 We also assume that
the planet’s orbit is circular, as is the case for most of
the observed hot Jupiters.2 The planet’s rotation should
then be synchronous with the orbit (Storch & Lai 2014;
Barker & Lithwick 2014) and thus there is no tidal dis-
sipation within the planet. We study this problem using
the formalism developed in Weinberg et al. (2012; here-
after WAQB; see also Schenk et al. 2001; Van Hoolst
1994). Here we summarize the method and refer the
reader to WAQB for a more detailed discussion.

2.1. Mode amplitude equation

The position x′ of a fluid element in the perturbed star
at time t is related to its position x in the unperturbed
star by x′ = x+ ξ(x, t), where ξ(x, t) is the Lagrangian
displacement vector. The equation of motion for ξ to
lowest nonlinear order is

ρξ̈ = f1 [ξ] + f2 [ξ, ξ] + ρatide, (1)

where ρ is the background density, f1 and f2 are the
linear and leading-order nonlinear restoring forces,

atide = −∇U − (ξ ·∇)∇U (2)

is the tidal acceleration, and U is the tidal potential.
We include only the dominant l = 2 tidal harmonic and
since we assume that the orbit is circular,

U(x, t) = −εω2
?r

2
2∑

m=−2

W2mY2m(θ, φ)e−imΩt (3)

in a spherical coordinate system (r, θ, φ) centered on
the star. Here ε = (Mp/M?)(R?/a)3 is the tidal

1 Hot stars on the main sequence with M? & 1.2M� and effective
temperatures Teff ≥ 6250 K (i.e., above the Kraft break; Kraft
1967) can rotate with spin periods of a few days, comparable to
Porb of hot Jupiters. However, we do not include such stars in
our study since their tidal dissipation rate is negligible owing to
the presence of a convective core, as explained in Section 3.1.
The stars with M? ≥ 1.2M� we consider are all on the subgiant
branch and are observed to have spin periods & 10 days (Avallone
et al. 2022).

2 https://exoplanetarchive.ipac.caltech.edu/

strength, ω? = (GM?/R
3
?)

1/2 is the dynamical frequency
of a star with mass M? and radius R?, a and Ω =√
G(M? +Mp)/a3 are the orbital semi-major axis and

frequency, and W20 = −(π/5)1/2, W2±2 = (3π/10)1/2,
W2±1 = 0. We use the linear eigenmodes to expand
the six-dimensional phase-space vector as (Schenk et al.
2001)

[
ξ(x, t)

ξ̇(x, t)

]
=
∑

a

qa(t)

[
ξa(x)

−iωaξa(x)

]
, (4)

where each eigenmode is specified by its amplitude qa,
frequency ωa, and eigenfunction ξa. The sum over a
runs over all mode quantum numbers (radial order na,
angular degree la, and azimuthal order ma) and fre-
quency signs to allow both a mode and its complex con-
jugate. We normalize the eigenmodes as

E? ≡
GM2

?

R?
= 2ω2

a

∫
d3xρ ξ∗a · ξa, (5)

so that the energy of a mode is Ea(t) = q∗a(t)qa(t)E?.3

Substituting Equation (4) into Equation (1), adding a
linear damping term, and using the orthogonality of
the eigenmodes leads to a coupled, nonlinear amplitude
equation for each mode

q̇a+(iωa+γa)qa = iωa

[
Ua +

∑

b

U∗abq
∗
b +

∑

bc

κabcq
∗
b q
∗
c

]
,

(6)
where

Ua(t) =− 1

E?

∫
d3xρ ξ∗a ·∇U, (7a)

Uab(t) =− 1

E?

∫
d3xρ ξa · (ξb ·∇)∇U, (7b)

κabc =
1

E?

∫
d3x ξa · f2 [ξb, ξc] . (7c)

The coefficient γa is the linear damping rate of the mode,
Ua and Uab are the linear and nonlinear tidal coefficients,
and κabc is the three-mode coupling coefficient.
The nonlinear tide cancels significantly with three-

mode coupling to the equilibrium tide such that Uab +

2
∑
c κabcUc ' 0 (WAQB). By treating the cancellation

3 The total energy in the modes includes a higher order term
(1/3)

∑
kabc(qaqbqc + c.c.), as does their total dissipation rate∑

kabcγa(qaqbqc + c.c.), where the sums are over all indices and
c.c. stands for complex conjugate. However, since κabc is much
smaller than the inverse of the typical mode amplitudes, these
terms are small compared to the lowest order terms and are ne-
glected.
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as perfect, we can write Equation (6) as

q̇a + (iωa + γa)qa = iωaUa

+ iωa
∑

bc

κabc [q∗b q
∗
c − q∗bU∗c − q∗cU∗b ] . (8)

We solve this coupled set of equations to find the am-
plitude evolution qa(t) of each mode in our network
and from this determine the total tidal dissipation rate
(EW16)

Ė(t) = −2
∑

a

γaEa(t). (9)

In Section 3, we present the values of γa, Ua, and κabc
for our stellar models.

2.2. Parametric instability

As discussed in WAQB and EW16, in the absence of
nonlinear mode coupling the linear tide drives a mode
to an energy

Elin =
ω2
aU

2
a

∆2
a + γ2

a

E?, (10)

where ∆a = ωa − maΩ is the linear detuning. This
‘parent’ mode is unstable to the parametric instability
if there exists a pair of ‘daughter’ modes b and c such
that Elin & Ethr, where the threshold energy is

Ethr =
1

4κ2
abc

(
γbγc
ωbωc

)[
1 +

(
∆abc

γb + γc

)2
]
E? (11)

and ∆abc = ωb + ωc + maΩ is the nonlinear detuning.
If the parent energy Ea � Ethr, the daughters grow
exponentially at a rate

Γbc ≈ 2Ω |κabc|
√
Ea
E?

(12)

while their energy Eb, Ec � Ea. Eventually, the sys-
tem reaches a nonlinear equilibrium as described in Ap-
pendix B of EW16.
In the host star of a hot Jupiter, the linearly resonant

parents have Elin � Ethr and they can therefore excite
many daughter pairs (WAQB). For example, in a so-
lar model even a 0.1MJ companion in a 3 day orbit has
∼ 103 daughter pairs for which Elin > Ethr (see Figure 1
in EW16). Many of these daughters are nonlinearly
driven to such large amplitudes that they in turn ex-
cite many granddaughters to large amplitudes, and the
granddaughters excite great-granddaughters, and so on.
The total number of unstable modes is therefore very
large and the system’s nonlinear equilibrium is much
more complicated than the simple, analytic three-mode
equilibrium given in Appendix B of EW16. In Section 4,
we describe our procedure for building and integrating
these large networks of nonlinearly excited modes.

2.3. Orbital decay rate

Dissipation of the tidally excited modes removes en-
ergy from the orbit and as a result the planet inspi-
rals. As in EW16, we assume that linear damping of
the waves excited within the star is the only dissipation
in the system. Although the rotational energies of the
star and the synchronized planet increase as the orbit
decays, these changes are small compared to the corre-
sponding change in orbital energy. Similarly, the energy
in the excited stellar modes themselves and in their in-
teraction energy may change with orbital period, but
these too are small effects.
Since |Ė/Eorb| � Ω, where Eorb = −GM?Mp/2a is

the orbital energy, we model the back-reaction on the
orbit as a steady decrease in Eorb of quasi-Keplerian
circular orbits. At each orbital period Porb = 2π/Ω, the
timescale of orbital energy decay is then given by

τ(t) =
Eorb

Ė(t)
. (13)

We can compute a corresponding time-averaged decay
time

〈τ〉 =
a

|ȧ| =
Eorb

〈Ė〉
, (14)

where 〈Ė〉 is the time-averaged energy dissipation rate.
In our calculations, we average over timescales of ∼
106Porb, which is much longer than the time it takes for
the system to reach a nonlinear equilibrium but much
less than the orbital decay timescales. It is common
to parameterize 〈τ〉 in terms of the star’s tidal quality
factor (Goldreich & Soter 1966; see also Jackson et al.
2008)

Q′?=
9

2
Ω

(
Mp

M?

)(
R?
a

)5

〈τ〉

'7.5× 106

( 〈τ〉
Gyr

)(
Mp

MJ

)

×
(
M?

M�

)−8/3(
R?
R�

)5(
Porb

day

)−13/3

, (15)

where the expression assumes a circular orbit.

2.4. Transit time shift

The decrease in Porb due to tide-induced orbital decay
will cause a planet’s observed transits to arrive early.
Over a duration Tdur, the transit time will shift by an
amount (Birkby et al. 2014)

Tshift =
3

4

T 2
dur

〈τ〉 ' 2.4 s
(
Tdur

10 yr

)2( 〈τ〉
Gyr

)−1

. (16)

Based on the typical uncertainties in transit timing mea-
surements of hot Jupiter systems (see, e.g., Patra et al.
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Table 1. Properties of the stellar models and their modes.

M? R? Age ∆P log10 γ0 log10 I0 log10 κ0 Pcrit
a

(M�) (R�) (Gyr) (103 s) (days)
0.5 0.45 1.07 9.3 −13.2 −1.7 2.2 37.5
0.5 0.45 4.97 6.6 −13.1 −1.8 3.3 33.6
0.5 0.46 8.97 5.7 −13.0 −1.9 3.6 31.3
0.8 0.73 1.07 4.6 −11.8 −2.2 3.0 21.2
0.8 0.75 4.87 3.3 −11.7 −2.2 3.7 18.2
0.8 0.77 8.97 2.5 −11.4 −2.3 4.0 15.1
1.0 0.91 1.03 3.8 −11.2 −2.4 3.2 16.4
1.0 1.00 4.60 2.1 −10.7 −2.6 4.1 12.0
1.0 1.20 8.72 1.1 −9.2 −2.8 4.5 5.3
1.0 1.55 11.0 0.48 −8.2 −3.0 5.1 3.3
1.2 1.50 4.00 1.2 −8.7 −3.3 4.4 4.8
1.2 4.00 6.00 0.13 −4.4 −3.6 5.2 0.7
1.5 2.21 2.03 0.89 −7.7 −4.9 4.7 3.5
1.5 3.34 2.50 0.15 −5.3 −3.3 4.8 0.9
2.0 2.33 0.70 1.1 −7.1 −5.2 4.6 2.6
2.0 5.21 0.92 0.14 −4.2 −3.6 5.4 0.7

a The values listed here assume la = 2 (see Equation (22)).

2020; Maciejewski et al. 2022), detecting a tide-induced
shift requires Tshift & 10− 100 s.

3. Stellar Models and their Mode Properties

Section 3.1 presents the set of stellar models we use in
our calculations. Section 3.2 discusses the dependence
of mode displacement ξr on radius and stellar structure
and the conditions under which wave breaking occurs.
Section 3.3 describes our calculations of the various co-
efficients in the amplitude equation and presents their
values as a function of the stellar and mode properties.

3.1. Stellar models

As we showed in Figure 1, most of the hot Jupiter
host stars are in the mass range 0.5 . M?/M� . 2.0

and span a range of ages (the age is often quite un-
certain). Motivated by these observations, we use the
MESA stellar evolution code (Paxton et al. 2011, 2013,
2015, 2018, 2019; Jermyn et al. 2022) to construct stel-
lar models with M? and age as listed in Table 1. The
key parameters of the MESA inlist files we use to build
the models are provided in Appendix A.
Our models range in age from the early main sequence

through the subgiant branch, and all have a radiative
interior and a convective envelope. For M? ≥ 1.2M�,
we only consider stars on the subgiant branch; nonlinear
mode coupling of g-modes is negligible in the interior
of pre-main sequence stars or main sequence stars with
M? & 1.2M�. This is because they have convective cores
and their g-modes therefore do not steepen sufficiently,

as explained below, before reflecting at the radiative-
convective boundary.

3.2. Wave steepening and breaking

High-order g-modes are restored by buoyancy and
propagate between inner and outer turning points de-
termined by the locations at which ωa ' N(r), where
N is the Brunt-Väisälä buoyancy frequency (Aerts et al.
2010). Their inner turning points, rinner, are very close
to the stellar center and their outer turning points are
near the radiative-convective interface rc.
The mode displacements ξr steepen towards the stel-

lar center due to geometric focusing and conservation of
wave flux (Goodman & Dickson 1998; Barker & Ogilvie
2010). Their maximum displacement peaks at rinner and
scales as ξr,max ∝ r−2

inner. As a result, nearly all the non-
linear mode coupling takes place near the inner turning
points of the modes (see Appendix A in WAQB).
If the initial amplitude of the linearly resonant g-mode

is sufficiently large, it can become strongly nonlinear
(krξr & 1, where kr is the radial wavenumber) before
reaching rinner. This will cause it to overturn the strati-
fication and break rather than reflect. It should then be
treated as a traveling wave rather than a global standing
wave. For a given stellar model, the critical initial am-
plitude ξr for wave breaking depends linearly on planet
mass and only weakly on orbital period (P 1/6

orb ). Barker
(2020) calculates the critical planet mass Mp,crit above
which the g-mode will break for a range of stellar mod-
els. By comparing with his Figure 9, we see that all



6

of our main sequence models have Mp,crit > 3.0MJ and
thus their g-modes are comfortably in the weakly non-
linear regime (the closest is the solar model which has
Mp,crit ≈ 3.3MJ; the rest have much larger Mp,crit).
The value of Mp,crit decreases dramatically as a star

evolves off the main sequence (Barker 2020). This is
because as the star evolves its core contracts and the
core’s nearly constant gradient of N ' Cr subsequently
increases. Since rinner of the resonantly excited g-mode
is located where 2Ω ' N , i.e., rinner ' 2Ω/C, as the
core contracts and C increases, the mode propagates to
smaller rinner. As a result, krξr,max increases, all else
being equal.
This effect can be important for our models with

M? ≥ 1.2M�, which, as explained in Section 3.1, are
all on the subgiant branch. There are two models for
each mass in this range, a less evolved and a slightly
more evolved subgiant star. In the latter, the linearly
resonant g-modes are close to the wave breaking limit
for typical hot Jupiter masses (Sun et al. 2018; Barker
2020). These stars thus represent the transition between
the weakly and strongly nonlinear regimes. We do not
consider even more evolved subgiant stars or stars on
the red giant branch since the efficiency of their tidal
dissipation is instead found by analyzing the dynami-
cal tide in the traveling wave regime (see, e.g., Barker
& Ogilvie 2010; Barker 2011; Weinberg et al. 2017; Sun
et al. 2018; Barker 2020).

3.3. Values of the coefficients in the amplitude equation

Since the g-modes we consider are all high-order (na &
30), their properties are well-approximated by asymp-
totic WKB expressions (Aerts et al. 2010). For example,
their eigenfrequencies are approximately given by

ωa '
2πΛa
na∆P

, (17)

where Λa =
√
la (la + 1) and

∆P =
2π2

∫ rc
0
Nd ln r

. (18)

We illustrate the accuracy of this scaling in the
top panel of Figure 2 for three of the models:
(M?/M�,Age/Gyr) = (0.5, 4.97), (1.0, 4.60), and
(1.5, 2.03). In Table 1, we give the value of ∆P for all
our models.
As we now show, the various coefficients in Equa-

tion (8) are also all well-fit by power-law expressions. We
use these expressions to build our mode networks since
they enable a much faster search for mode triplets with
low parametric threshold energies Eth (see Section 4).
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Figure 2. From top to bottom panel: Mode radial order na,
damping rate γa, overlap integral Ia, and coupling coefficient
κabc/Tabc as a function of mode period Pa for l = 2 modes
(see text for details). Each panel shows three stellar models:
(M/M�, Age/Gyr) = (0.5, 4.97) in red, (1.0, 4.60) in green,
and (1.5, 2.03) in cyan. The solid black lines show the fitted
expressions given by Equations (17), (20), (24), and (25).
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3.3.1. Linear damping rate γa

The dominant linear damping mechanism of the high-
order g-modes in all our models is radiative damping,
similar to the solar models shown previously (Terquem
et al. 1998; Goodman & Dickson 1998). We use GYRE’s
solution of the non-adiabatic oscillation equations to de-
termine the radiative damping rate γ(rad)

a . We also cal-
culate the damping due to turbulent viscosity in convec-
tion zones, which we find by computing

γ(turb)
a =

ω2
a

E?

∫
dr ρr2νturbF (r), (19)

where F (r) is given by the expression derived in Higgins
& Kopal (1968) and depends on ξa(x). The turbulent
effective viscosity νturb is a function of the ratio of the
convective turnover frequency (provided by MESA) to the
mode frequency and decreases as this ratio decreases.
We calculate νturb using the power-law expression given
in Duguid et al. (2020) from a fit to their numerical
simulations. We find that for the dynamically relevant
modes, turbulent damping is always much smaller than
radiative damping and γa ' γ(rad)

a .
As in the case of a solar model (WAQB), the linear

damping rate in all our models is well-fit by the expres-
sion

γa = γ0Λ2
a

(
ωa
ω?

)−2

ω?. (20)

This dependence stems from the fact that the radiative
diffusion is proportional to the second derivative of the
temperature fluctuation, and thus the damping rate of
short-wavelength perturbations scales as the square of
the radial wavenumber k2

a ∝ (Λa/ωa)2.
We illustrate the accuracy of this scaling in Figure 2

for three of the models (second panel from the top) and
in Table 1 we give the value of γ0 for all our models. We
find that γ0 increases dramatically with increasing M?

and stellar age.
Damping attenuates a mode’s amplitude by exp(−α)

during a round-trip between the turning points, where

α ' γatgroup '
4π2γ0Λ3

a

∆Pω?

(
ωa
ω?

)−4

(21)

and tgroup = 2
∫ rc

0
|vgroup|−1

dr is the round-trip group
travel time of a mode with group velocity vgroup =

∂ωa/∂ka. The second equality in Equation (21) follows
from the WKB dispersion relation for g-modes (Equa-
tion (17)) and the scaling relation for γa (Equation (20)).
If α & 1, a significant fraction of the mode’s energy
is lost during a round trip and the mode is effectively
a traveling wave (see, e.g., Goodman & Dickson 1998;
Burkart et al. 2013; Sun et al. 2018). In that case, our

treatment of nonlinear mode coupling, which assumes
the modes are global standing waves, is no longer valid.
By Equation (21), we see that α > 1 if the mode period
Pa = 2π/ωa exceeds a critical value

Pcrit =

(
∆P

2πγ0

)1/4(
2π

Λaω?

)3/4

. (22)

In Table 1 we give the values of Pcrit for each of our
models. For all the M? ≤ 1.0M� models and for the
early subgiant models withM? ≥ 1.2M�, the la = 2 val-
ues are in the range Pcrit ' [3, 40] days. Thus, for these
models, the linearly resonant parents (Pa ' Porb/2) are
comfortably in the standing wave regime. For the older
subgiant models with M? ≥ 1.2M�, this is only true for
hot Jupiter systems with Porb . 1.5 days; at longer pe-
riods, the parent modes are in the traveling wave regime.
However, we will see that even if we continue to treat
them as standing waves, the mode network calculation
yields a tidal dissipation rate that is close to that found
with a traveling wave treatment.
The daughter and granddaughter modes in our net-

works have periods that are up to a few times larger
than the parent modes. Moreover, they can have la > 2.
These modes are therefore more likely to be in the travel-
ing wave regime, especially for the older and larger M?

models. For such modes, a proper treatment of their
nonlinear interactions may require a hybrid formulation
in which the parent mode is a standing wave and the
secondary modes are traveling waves. Such a formalism
has not been developed, as far as we know, and is left to
future work. We suspect that since the nonlinear mode
coupling happens very close to the stellar center (near
the inner turning point of the modes) whereas the bulk
of the linear dissipation occurs at considerably larger
radii, the tidal dissipation rate due to the nonlinear ex-
citation of secondary traveling waves may not be very
different from that found here.

3.3.2. Linear tidal coefficient Ua

By plugging Equation (3) into Equation (7a), we can
express the linear tidal coefficient Ua in terms of the
dimensionless linear overlap integral

Ia =
1

M?R2
?

∫
d3xρ ξ∗a ·∇

(
r2Y2m

)
. (23)

We evaluate Ia using the method given by Equation
(B23) in Burkart et al. (2013), which offers good numer-
ical stability even for high-order modes. As in the solar
model (see Figure 11 of WAQB), we find that the la = 2

overlap integrals of our models are generally well-fit by

Ia = I0

(
ωa
ω?

)11/6

. (24)
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We illustrate the accuracy of this scaling in Figure 2 for
three of the models (third panel from the top) and in Ta-
ble 1 we give the value of I0 for all our models. We find
that I0 decreases with increasingM? and stellar age (ex-
cept for the most evolved and massive models, where it
increases with age up the subgiant branch). For our high
M? subgiant models, Ia can be larger than the scaling at
short periods (see, e.g., the 1.5M� model in Figure 2).
This is because in those models, the mode wavelength
becomes larger than the size of the convective envelope
at short mode periods and the ω11/6

a scaling only applies
in the opposite limit. For those cases, we use the numer-
ically computed Ia rather than the scaling relation.
In our mode networks, we assume that only linearly

resonant modes (parents) have non-zero linear tidal forc-
ing Ua. This is justified because Ua is much smaller for
the daughter modes, granddaughter modes, etc., and
their driving is far off resonance. It therefore has a
negligible secular effect compared to the resonant three-
mode interactions. Ignoring such forcing allows us to
adopt the convenient change of coordinates described in
EW16 (see Section 4.4 below) and significantly speeds
up the integration of the amplitude equations.

3.3.3. Three-mode coupling coefficient

We calculate the three-mode coupling coefficient κabc,
which is symmetric under the interchange of mode in-
dices, using Equations A55 through A62 in WAQB. An-
gular momentum conservation leads to the following an-
gular selection rules for the three modes: (i) la + lb + lc
must be even, (ii) ma + mb + mc = 0, and (iii) the tri-
angle inequality, |la − lb| ≤ lc ≤ la + lb. We focus on
the parametric instability involving three-mode interac-
tions between a high-order parent g-mode and a pair of
high-order daughter g-modes whose summed frequency
nearly equals the parent’s frequency (and similarly, a
daughter can couple to pairs of granddaughters, etc.).
For such a triplet, the coupling is strongest in the stel-
lar core, where the displacements of the modes peak
(Section 3.2). As in the solar model (Appendix A in
WAQB), we find that the coupling coefficients of our
models are well-fit by

κabc = κ0Tabc

(
Pa
day

)2

, (25)

where Pa is the period of the parent mode and Tabc ≈
0.1 − 1 is an angular integral that depends on each
mode’s l and m and is easily evaluated in terms of
Wigner 3-j symbols. The coupling occurs mostly near
the parent’s inner turning point ra,inner and scales as
P 2
a because the parent’s displacement there varies as
ξr,a ∼ r−2

a,inner ∼ P 2
a .

We illustrate the accuracy of this scaling in Figure 2
for three of the models (bottom panel). In the figure, the
triplets consist of la = lb = lc = 2 modes and nearly res-
onant daughters with detuning |ωa+ωb+ωc| < |10−3ωa|
and |nb − nc| < |0.8na|. The magnitude of κabc varies
by factors of order unity depending on the particular
daughter pair and is negligible if |nb − nc| & |na| (see
Figure 12 in WAQB). In Table 1, we give the value of κ0

for all our models. We find that it increases somewhat
with increasing M? and stellar age.

4. Building and Integrating the Mode Networks

As in the solar model calculations of EW16, we find
that the parent can drive many parametrically unsta-
ble daughters to large amplitudes. These daughters can
then drive parametrically unstable granddaughters to
large amplitudes, and so on. The total number of po-
tentially unstable modes and the number of couplings
is larger than the number we can realistically simulate,
especially in a survey that explores the parameter space
of M?, stellar age, Porb, and Mp. Fortunately, as EW16
found in the case of a solar-type host and as we illus-
trate in Section 5 for non-solar type hosts, the total
tidal dissipation rate can be reliably computed with a
mode network that contains only a subset of the poten-
tially unstable modes. This requires adopting EW16’s
approach to constructing mode networks, which we now
summarize.

4.1. Selecting daughter modes

The approach in EW16 relies on the fact that despite
the many daughter pairs with Ethr < Elin (see Equa-
tions (11) and (10)), those with the lowest Ethr over-
whelmingly dominate the dynamics in large multi-mode
systems. By adding pairs with progressively higher Ethr

to their networks, EW16 found that the system con-
verges to a dissipation rate Ė that does not change
significantly as even more modes are added. This re-
quires including a sufficient number of generations (at
least parents, daughters, and granddaughters) in order
to obtain convergent results. Following EW16, we thus
build our mode networks by systematically searching the
mode parameter space and constructing, for each gener-
ation, a complete list of pairs ranked by Ethr.
In order to carry out our search, we use the scaling

relations for ωa, γa, and κabc (Equations (17), (20), and
(25)) to solve for Ethr. For a given parent mode a, we
first find the local minima of Ethr in the daughter pa-
rameter space {(nb, lb, mb), (nc, lc, mc)}. Typically,
Ethr is minimized near where the sum in quadrature of
∆abc and γb + γc is minimized (modulo the angular se-
lection rules and a relatively weak dependence on the
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Figure 3. Angular degree l and radial order n for
each mode in our Porb = 2.0 day networks for models
(M?/M�, Age/Gyr) = (0.5, 4.97) in red, (1.0, 4.60) in green,
and (1.5, 2.03) in cyan (the same models and colors as Fig-
ure 2). The networks consist of one parent mode (solid cir-
cles), ten pairs of daughter modes (crosses), and fifty pairs
of granddaughter modes per daughter (small triangles).

angular integral Tabc). There is a tradeoff between find-
ing daughters with smaller ∆abc, which favors higher
n and thus higher l for a given ω, and daughters with
smaller γ, which favors smaller l since γ ∼ l2. The re-
gions of small Ethr therefore tend to occur where these
two countering effects are balanced. After finding the
local minima, we expand our search around the minima
and find pairs with progressively higher Ethr. Because
γ ∼ l2, at high enough l the damping dominates detun-
ing, and Ethr increases with increasing l. We truncate
our search upon reaching an lmax such that Ethr > Elin

(i.e., a stable triplet).

4.2. Selecting granddaughter modes

The search for the lowest Ethr daughter-
granddaughter triplets is carried out in a similar way.
Note that their Ethr is generally smaller than that of
the most unstable parent-daughter triplets. This is
because the mode frequencies decrease with each gen-
eration and thus κabc ∝ ω−2

a is larger (Equation (25))
while ∆abc/ωa ∝ ω2

a is smaller (Wu & Goldreich 2001).
For a fuller discussion of this point, see Appendix F of
EW16. Physically, the minimum Ethr tends to decrease
with each generation for two reasons. First, lower fre-
quency modes penetrate deeper into the core. Their
peak displacement ξr,max are therefore greater (for a
given mode amplitude) and thus their κabc is larger.
Second, such modes are more densely spaced in fre-

quency and therefore can have smaller detunings. As
a result, each generation is more susceptible than its
antecedents to three-mode instabilities.

4.3. Reference networks

We find that for parent-daughter (daughter-
granddaughter) coupling, the dissipation Ė is over-
whelmingly dominated by the ≈ 10 (≈ 50) lowest Ethr

pairs per parent (daughter), similar to what EW16
found. Thus, as in EW16, our reference networks con-
sist of one parent mode, its 10 lowest Ethr daughter
pairs, and the 50 lowest Ethr granddaughter pairs per
daughter. For most networks, this corresponds to ' 20

daughters and ' 2000 granddaughters. The exception
is the more evolved subgiant models with M? ≥ 1.2M�
and systems with larger Porb. In those cases, the total
number of granddaughters in the network can be several
times smaller since many of them couple to more than
one daughter (the number of pairs is still 50). This is
because in those models the modes have much higher
damping rates (see γ0 values in Table 1), which strongly
favors low-l modes and narrows the pool of distinct
granddaughters pairs with low Ethr.
When integrating our networks, we choose the orbital

period such that the parent is located midway between
linear resonances, i.e., at a resonance trough. Thus, we
might set the orbital period to, say, Porb = 1.01 day
rather than Porb = 1.00 day. We also carry out a re-
stricted set of runs in which the parent is located at a
resonance peak. We will see that for some cases, 〈τ〉 is
nearly the same regardless of whether the parent is at a
resonance trough or peak; for example, this is true of a
solar model, as also found by EW16 (see their Figure 2).
In other cases, 〈τ〉 is significantly smaller for a parent
at a resonance peak. Such systems will move quickly
through resonances and, as a result, the long term de-
cay rate will be close to the off-resonance 〈τ〉 value.
In Figure 3 we show the network structure for three of

our stellar models at Porb = 2.0 day; our other networks
have qualitatively similar structure to these. We see that
the daughters and granddaughters with the smallest Eth

are typically l . 10 modes. However, for the models
with larger ∆P (i.e., those with smaller M? and age),
their l values can sometimes be even larger.

4.4. Integration method

We integrate each mode’s coupled amplitude equation
(Equation (8)) using a method similar to EW16’s (see
their Section 3.3 for a discussion). In particular, we
change coordinates to xa = qae

iωat and assume that
only the linearly resonant parent modes have a non-zero
linear tidal forcing Ua. This is a good approximation



10

since the daughters and granddaughters are far from be-
ing linearly resonant and they also have much smaller
Ua ∝ ω

11/6
a (Equation (24)). This allows us to greatly

speed up the integrations by canceling out the relatively
high frequency ωa term in the amplitude equation and
replacing it with a much lower frequency term propor-
tional to ∆abc.
We use the CVODES Adams solver from the SUNDIALS

package (Hindmarsh et al. 2005) and parallelize the com-
putations across multiple CPUs using MPI. Each simu-
lation typically takes one to two days to run on a node
of a local cluster.
A given simulation run consists of a particular stellar

model, orbital period, and planetary mass. For each
of our sixteen stellar models (see Table 1), we consider
Porb = {0.5, 1, 2, 3, 4} days and Mp = {0.5, 1, 2, 3}MJ

for a total of ' 300 runs.

5. Results

In this section we present the results of integrating the
amplitude equation for large sets of nonlinearly coupled
modes (Equation (8)) using the models and mode pa-
rameters presented in Section 3 and the mode networks
built according to the procedure described in Section 4.
In Section 5.1, we show examples of the time-dependent
mode dynamics for two representative networks. In Sec-
tions 5.2 and 5.3 we show the full set of results, expressed
in terms of the average orbital decay time 〈τ〉, the tidal
quality factor Q′?, and the transit time shift Tshift (Equa-
tions (14), (15), and (16), respectively) for the runs from
the lower mass stellar models (0.5 ≤M?/M� ≤ 1.0) and
the higher mass stellar models (1.2 ≤ M?/M� ≤ 2.0),
respectively. Table 4 in Appendix B also lists the values
of 〈τ〉, Q′?, and Tshift from each of the runs.

5.1. Example mode dynamics

In Figure 4 we show the time-dependent energy Ea(t)

and energy dissipation rate Ėa(t) of oscillation modes
excited in a star due to its tidal interaction with a
Jupiter-mass planet on a one day orbit. The left panels
show results for a lower mass main sequence star and the
right panels show results for a higher mass early subgiant
star. In both cases, we see in the top panels that the en-
ergy of the linearly resonant parent mode (black line) is
similar to the energies of individual daughter modes (red
points) and granddaughter modes (blue points). This is
consistent with the notion that upon reaching nonlinear
equilibrium, a large system of coupled modes will be in
approximate energy equipartition.
The solid red and blue lines show the summed energy∑
aEa(t) of all the daughters and granddaughters, re-

spectively. We see that the summed energy of all the

modes (purple line) is dominated by the contribution
of the granddaughters and, to a slightly lesser extent,
the daughters and that their contribution is ∼ 10− 100

times larger than the parent’s (i.e., while the energy
of individual modes tend to be similar across genera-
tions, there are many daughters and granddaughters and
their summed contribution dominates over the parent’s).
Thus, at equilibrium, the energy being pumped into the
parent by linear tidal driving is efficiently transferred to
the secondary modes.
The bottom panels of Figure 4 show that unlike the

energy Ea(t), the energy dissipation rate Ėa(t) of indi-
vidual daughter and granddaughter modes is often much
larger than that of the parent. This is because their
wavelengths are often much shorter. They thus have
higher linear damping rates γa and at the same energy
are much more dissipative. The solid lines show that
the total energy dissipation rate is dominated by the
contribution of the daughters and granddaughters and
is ∼ 103 − 104 times larger than the parent’s contribu-
tion. We also see that the system reaches a nonlinear
equilibrium within ∼ 105Porb and, unlike the energy in
individual modes, the total dissipation has a fairly small
relative standard deviation (1.2 and 0.2 in the left and
right panels, respectively).
As described in Section 4, our reference network con-

sists of one parent mode, its 10 lowest Ethr daughter
pairs, and the 50 lowest Ethr granddaughter pairs per
daughter; this typically corresponds to ≈ 2000 total
modes. EW16 found that such a network yields total
〈Ė〉 comparable to (to within a factor of ≈ 2) much
larger networks that contain more modes and genera-
tions. We carried out a few numerical experiments with
larger networks and likewise find that they yield 〈Ė〉
values comparable to that of our reference network. We
illustrate this with the green line in the bottom right
panel of Figure 4, which shows the total Ė for the same
planetary and stellar parameters as the purple line but
for a network that consists of one parent mode, its 10
lowest Ethr daughter pairs, the 50 lowest Ethr grand-
daughter pairs per daughter, and the 100 lowest Ethr

great-granddaughter pairs per granddaughter. The net-
work contains about 2.3 × 104 modes and is thus ' 10

times larger than the reference network (and compara-
ble in size to the largest networks EW16 ran; see their
Figure 3). Since such a large network runs much slower,
we stopped the integration after about 2× 105Porb (the
wall time was about ten days). As the green line shows,
this is long enough to see that 〈Ė〉 is within a factor of
' 2 of the reference network. Similar experiments with
a few other networks yield similar results, suggesting
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Figure 4. Mode energy (top panels) and energy dissipation rate (bottom panels) as a function of time for the planetary
parameters (Mp, Porb) = (1.0MJ, 1.0 day). The left panels are for the stellar model (M?,Age) = (0.8M�, 4.87 Gyr) and the
right panels are for (1.2M�, 4.00 Gyr). The black lines show the parent mode. The red points show the twenty daughter modes
and the red lines show their cumulative contribution (

∑
Ea and

∑
Ėa, where the sums run over only the daughter modes).

The blue points show the ≈ 2000 granddaughter modes and the blue lines show their cumulative contribution; for clarity, we
only plot individual points for one out of every 20 granddaughter modes (many of them also lie below the range of the plotted
vertical scale). The purple lines show the total energy and energy dissipation rate found by summing over all the modes in
the network. The green line in the bottom right panel shows the total energy dissipation rate for a network that includes 100
great-granddaughter pairs per granddaughter.

that, like in EW16, the reference network is sufficiently
large to yield convergent results.

5.2. Lower mass stars: 0.5 ≤M?/M� ≤ 1.0

In Figure 5, we show the orbital decay time 〈τ〉 (solid
circles) as a function of Porb and Mp for the runs with
theM? = {0.5, 0.8, 1.0}M� stellar models. We also show
the corresponding stellar tidal quality factor Q′? (open
squares) for the Mp = 1.0MJ case; in Table 4 of Ap-
pendix B, we list the values for all the cases. When com-
puting the time-average, we neglect the early portion of

a run (typically the first 106 orbits) to allow transients
from the initial conditions to die away and to ensure
the system has reached an equilibrium. In Figure 6, we
show the values of Tshift for these same models assuming
Porb = 1.0 day and Mp = 1.0MJ or Mp = 3.0MJ (the
full set of values are given in Table 4).
As expected, the value of 〈τ〉 is most sensitive to Porb;

in many cases it has a nearly power-law dependence with
〈τ〉 ∝ P 6.5

orb, approximately. It is also sensitive to the
stellar model, with 〈τ〉 decreasing as M? and stellar age
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Figure 5. Orbital decay time 〈τ〉 (solid circles) as a function of orbital period Porb for the M? = {0.5, 0.8, 1.0}M� models
at different ages, as indicated by the label in each panel. The green, blue, red, and black solid circles show 〈τ〉 for a parent
that is off-resonance (i.e., between resonance peaks) and Mp = {0.5, 1.0, 2.0, 3.0}MJ, respectively. The cyan squares show the
corresponding stellar tidal quality factor Q′? for Mp = 1.0MJ (the full set of results is given in Table 4). The open blue circles
show 〈τ〉 for a parent on a resonance peak for the case Mp = 1.0MJ, Porb ' 1.0 day; in four of the panels, the open blue circle
blends in with the solid circles since the off-resonance and on-resonance 〈τ〉 are similar. The blue triangles show 〈τ〉 for a parent
treated as a traveling wave rather than a standing wave for the case Mp = 1.0MJ. In the upper left panel, we subtract 5 dex
and 3 dex from the off-resonance 〈τ〉 and Q′?, respectively, so that they appear on the plotted scale. In the bottom right panel,
the x’s show 〈τ〉 for the 11.0 Gyr model using the same color scheme as the solid circles.

increase. For all of the M? = 0.8M� and 1.0M� models
— from the early main sequence to the late main se-
quence or early subgiant phase — we find 〈τ〉 . 108 yr
forMp ≥ 1.0MJ and Porb ≤ 1.0 day. The corresponding
quality factors and transit time shifts are Q′? ≈ 105−106

and Tshift ≈ 10−100 s. For theM? = 0.5M� model, 〈τ〉
is negligible on the early main sequence (this is largely
because κ0 is signficantly smaller for this model; see Ta-
ble 1); however, for the older M? = 0.5M� models at
Porb . 1.0 day and Mp & 1.0MJ, we find that 〈τ〉 is less

than the age of the system, Q′? . 107, and Tshift & 10 s.
The value of 〈τ〉 tends to be fairly insensitive to planet
mass as long as Mp & 1.0MJ; at smaller planet mass,
the nonlinearities start to become less significant and
〈τ〉 can become very large, especially for the younger,
lower M? models.
Our standard calculation assumes the parent is be-

tween linear resonance peaks (see Section 4). To exam-
ine how sensitive 〈τ〉 is to the parent’s degree of reso-
nance, for each stellar model we also did a run with a
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Figure 6. Transit time shift Tshift as a function of stellar
mass M? for Porb = 1.0 day with Mp = 1.0MJ (blue points)
and Mp = 3.0MJ (red points) assuming Tdur = 10 yr. The
ages of the stellar models increase from bottom to top. In
three cases, Tshift is below the scale of the plot. The full set
of Tshift results are given in Table 4.

parent located exactly on a resonance peak. The open
blue circles in Figure 5 show the result for the partic-
ular case Mp = 1.0MJ and Porb = 1.0 day. For the
three M? = 0.5M� models and for the young (1.0 Gyr)
M? = 0.8M� and 1.0M� models, 〈τ〉 is significantly
smaller for a parent on a resonance peak. The system
will therefore evolve relatively quickly through the res-
onance peak and ultimately spend most of its time be-
tween peaks. For the other M? = 0.8M� and 1.0M�
models, 〈τ〉 is nearly the same on a resonance peak as it
is between peaks (consistent with what EW16 found for
the solar model). Whether on a resonance peak or be-
tween, we conclude that the solid circles should be a rea-
sonably accurate estimate of 〈τ〉 over long timescales. A
phenomenological model for estimating nonlinear tidal
dissipation that can account for differences between on-
and off-resonance driving was presented by Yu et al.
(2020) in the context of white dwarf binaries. In future
work, we plan to investigate whether this model can be
applied to hot Jupiter systems.
The blue triangles in Figure 5 show 〈τ〉 for a parent

treated as a traveling wave rather than a standing wave
assuming Mp = 1.0MJ. The results are found by in-
terpolating across the Q′IGW values given in Figure 8 of
Barker (2020), applying the P 8/3

orb scaling (assuming the
tidal forcing frequency is twice the orbital frequency),
and using Equation (15) to convert the results to a de-
cay time 〈τ〉. The parent would be a traveling wave if

its amplitude is large enough to undergo wave break-
ing or if its linear damping is high enough. Although
most hot Jupiters are not in this regime (see Sections 3.2
and 3.3.1), it is nonetheless interesting to compare the
〈τ〉 predictions for the two regimes. We see that for an
off-resonance parent, the traveling wave 〈τ〉 is generally
smaller then the standing wave 〈τ〉, although for the
higher M? models at short Porb they can be similar. By
contrast, for an on-resonance parent (see the open blue
circles in Figure 5), the traveling wave 〈τ〉 can some-
times be larger then the standing wave 〈τ〉.4 In such
cases, this suggests that the parent will be a traveling
wave while the system is passing through a resonance
and that the correct 〈τ〉 during those times is given by
the traveling wave value.

5.3. Higher mass stars: 1.2 ≤M?/M� ≤ 2.0

In Figure 7 we show 〈τ〉 and Q′? for the higher mass
stellar models: M? = {1.2, 1.5, 2.0}M�. The corre-
sponding Tshift values are shown in Figure 6 and Ta-
ble 4. These models are all in the subgiant phase since,
as explained in Section 3.1, main sequence stars with
M? & 1.2M� have convective cores and nonlinear cou-
pling of g-modes is negligible in their interior.
For eachM?, we find that 〈τ〉 decreases significantly as

the star evolves from the early to later subgiant phase.
We find that at Porb . 1.0 day, the dissipation can be es-
pecially efficient in the later subgiant models, with 〈τ〉 .
105 yr, Q′? . 105 and Tshift & 104(Tdur/10 yr)2 s. As
Figure 6 and Table 4 show, the Tshift of these models are
orders of magnitude larger than that of theM? ≤ 1.0M�
main sequence models. Since Tshift ≈ 100 s should be
detectable, such systems should produce a detectable
transit time shift after only Tdur ≈ 1 yr.
The orbital decay is much faster for more evolved sub-

giants because they have significantly larger γ0 and I0,
and to a lesser extent, larger κ0 (see Table 1). The
damping rate is larger because as the stars evolve up
the subgiant branch, the core contracts and C = N/r

increases. Since kr ∝ C/ω, at a given Porb the res-
onant modes will have shorter wavelengths and thus
larger damping rates. Even at Porb ' 4 day, the longest
orbital period we consider, 〈τ〉 ≈ 108 yr for the older
subgiant models. This is comparable to the subgiant
evolutionary timescale, and thus at these larger Porb the
changing stellar structure can dictate the planet’s decay

4 The traveling wave regime sets a lower limit on 〈τ〉 because all
the wave flux is lost in a single group travel time. However, our
standing wave calculation does not “know” about this regime.
That said, many of our models only approach this limit but do
not exceed it, which EW16 noticed as well in their solar model
calculations (see the discussion in their Appendix F).
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Figure 7. Similar to Figure 5 but for the M? =
{1.2, 1.5, 2.0}M� models at different ages, as indicated by
the label in each panel. The green, blue, red, and black solid
circles show 〈τ〉 for an off resonance parent (i.e., between res-
onance peaks) and Mp = {0.5, 1.0, 2.0, 3.0}MJ, respectively.
The cyan squares show the corresponding stellar tidal quality
factor Q′? for Mp = 1.0MJ (the full set of results is given in
Table 4). The blue triangles in the 1.2M� and 1.5M� panels
show 〈τ〉 for a parent treated as a traveling wave rather than
a standing wave for the case Mp = 1.0MJ.

trajectory (see also Sun et al. 2018). Interestingly, in
those models 〈τ〉 is nearly independent of Mp. Note too
that 〈τ〉 is also close to the traveling wave value (blue
triangles); indeed, for these older stellar models, the crit-
ical planet mass for wave breaking is around 1.0MJ (Sun
et al. 2018; Barker 2020) and thus the parent is close to,
if not in, the traveling wave regime.

6. Implications for Known Hot Jupiters

We now consider the implications of our orbital de-
cay calculations for known hot Jupiter systems. In Sec-
tion 6.1, we discuss the two systems, WASP-12 and
Kepler-1658, with observational evidence of tide-induced

orbital decay and place them in the context of our re-
sults. In Section 6.2, we discuss the systems that our
calculations suggest are especially likely to be undergo-
ing rapid orbital decay and we recommend be included
in campaigns that search for tide-induced transit timing
variations.

6.1. Systems with evidence of orbital decay

There are two hot Jupiter systems whose transit tim-
ing observations indicate that the planet is undergoing
orbital decay: WASP-12 (Maciejewski et al. 2016; Patra
et al. 2017; Yee et al. 2020) and Kepler-1658 (Vissapra-
gada et al. 2022). WASP-12 (Kepler-1658) has an or-
bital period Porb = 1.09 days (3.85 days) and a planet
mass Mp = 1.4MJ (5.9MJ). Its orbital period is ob-
served to decrease at a rate Ṗorb = −29 ± 2 ms yr−1

(−131+20
−22 ms yr−1), which corresponds to a decay time

τ = 2Porb/3|Ṗorb| ≈ 2.2 Myr (1.7 Myr), and Q′? =

1.8 × 105 (2.5 × 104). These systems were detected in
2009 (Hebb et al. 2009) and in 2011 (Brown et al. 2011)
and thus by Equation (16), Tshift ≈ 103 s given that it
was Tdur ≈ 10 year before evidence of their orbital decay
was first reported.
The orbital decay of WASP-12b can be understood

if the host star is a subgiant with M? ' 1.2M�; the
linearly excited primary mode (the parent) is then in
the wave breaking regime and the expected Ṗorb agrees
well with the observed value (Weinberg et al. 2017).
However, Bailey & Goodman (2019) find that sub-
giant models are in greater tension with current ob-
servational constraints than main-sequence models with
M? ' 1.3 − 1.4M�. Since such a main-sequence star
has a convective core, the excited primary mode should
be a standing wave, i.e., a g-mode, and stable to the
parametric instability. It is then not clear how to ex-
plain the observed decay since the linear and nonlinear
dissipation of the g-mode is too small.
Kepler-1658 has a mass M? ' 1.5M� and is more

definitively a subgiant star. Vissapragada et al. (2022)
explain that the measured decay is in good agreement
with theoretical predictions for inertial wave dissipation
(Barker 2020). Such dissipation is possible because the
tidal frequency 2(Ω−Ωspin) is less than twice the star’s
spin frequency Ωspin (this is because of the relatively
large Porb = 3.85 days and the star’s relatively short
spin period Pspin = 2π/Ωspin = 5.66 days; WASP-12b
orbits too quickly and the host star spins too slowly for
the tide to excite inertial waves). Although the linearly
excited gravity wave breaks as it approaches the stellar
center, we find that the wave luminosity is too small to
explain the observed orbital decay (here we are ignoring
rotation; the wave luminosity scales approximately as
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Table 2. Favorable targets for the search for tidal orbital
decay for host stars with M? ≤ 1.1M�. The age column in-
cludes the uncertainty, which is symmetric about the best fit
if enclosed in parentheses. The fractional uncertainties are
generally . 0.001% for Porb and . 10% for M? and Mp.
References. (1) McCormac et al. (2020); (2) Bonomo et al.
(2017); (3) Penev et al. (2016); (4) Vines et al. (2019); (5)
Yee et al. (2023); (6) Nielsen et al. (2020); (7) Stassun et al.
(2017); (8) Dai et al. (2017); (9) Bouma et al. (2019); (10)
Oliveira et al. (2019); (11) Cortés-Zuleta et al. (2020); (12)
Hellier et al. (2019); (13) Spake et al. (2016); (14) South-
worth (2012).

Porb M? Mp Age

Hostname (days) (M�) (MJ) (Gyr) Refs.

NGTS-10 0.77 0.70 2.16 10.4(2.5) (1)
WASP-19 0.79 0.96 1.16 5.5+8.5

−4.5 (2)
WASP-43 0.81 0.72 2.05 7.0(7.0) (2)
HATS-18 0.84 1.04 1.98 4.2(2.2) (3)
NGTS-6 0.88 0.77 1.34 9.77+0.25

−0.54 (4)
TOI-1937 A 0.95 1.07 2.01 3.6+3.1

−2.3 (5)
HIP 65 A 0.98 0.78 3.21 4.1+4.3

−2.8 (6)
WTS-2 1.02 0.82 1.27 7.00+6.50

−6.40 (2)
HAT-P-23 1.21 0.58 1.34 4.0(1.0) (7)
TrES-3 1.31 0.93 1.80 0.90+2.80

−0.80 (2)
HAT-P-36 1.33 1.02 1.85 6.6+2.9

−1.8 (2)
Qatar-2 1.34 0.74 2.60 1.4(0.3) (8)
WASP-4 1.34 0.86 1.19 7.0(2.9) (9)
HATS-24 1.35 1.07 2.26 3.7+2.0

−1.8 (10)
HATS-2 1.35 0.88 1.53 9.7(2.9) (2)
WASP-77 A 1.36 0.90 1.67 6.2+4.0

−3.5 (11)
WASP-173 A 1.39 1.05 3.69 6.78(2.93) (12)
WASP-135 1.40 0.98 1.90 0.60+1.40

−0.35 (13)
Qatar-1 1.42 0.85 1.32 11.6+0.60

−4.70 (2)
WASP-46 1.43 0.83 1.90 9.6+3.7

−4.2 (2)
OGLE-TR-113 1.43 0.78 1.36 13.2+0.8

−2.4 (2)
TrES-5 1.48 0.89 1.79 7.4(1.9) (2)
Kepler-17 1.49 1.07 2.34 1.5+10.2

−1.9 (14)

P
−23/3
orb and thus it is much smaller in Kepler-1658 than

in a subgiant model of WASP-12).

6.2. Systems likely to be undergoing rapid orbital decay

In Tables 2 and 3 we list hot Jupiter systems that
our calculations suggest are favorable targets for the
search for orbital decay, separated into systems with
M? ≤ 1.1M� and M? > 1.1M�, respectively. Given
the strong dependence of 〈τ〉 on Porb, these tables essen-
tially list the systems with especially small Porb. How-
ever, we exclude short Porb systems whose host stars are
likely to have convective cores (main sequence stars with

Table 3. Favorable targets for the search for tidal orbital
decay for host stars with M? > 1.1M�. We exclude WASP-
12 and Kepler-1658 from this list since their orbital decay has
been detected (see Section 6.1). The age column includes the
uncertainty, which is symmetric about the best fit if enclosed
in parentheses. The fractional uncertainties are generally
. 0.001% for Porb and . 10% for M? and Mp.
References. (1) Wong et al. (2021); (2) Bonomo et al.
(2017); (3) Oberst et al. (2017); (4) Delrez et al. (2016); (5)
Esteves et al. (2015); (6) Barros et al. (2016); (7) Alsubai
et al. (2019); (8) Turner et al. (2016); (9) Deleuil et al. (2014);
(10) West et al. (2016); (11) de Val-Borro et al. (2016);(12)
Yee et al. (2023).

Porb M? Mp Age

Hostname (days) (M�) (MJ) (Gyr) Refs.

TOI-2109 0.67 1.45 5.02 1.77(0.88) (1)
WASP-103 0.93 1.22 1.455 4(1) (2)
KELT-16 0.97 1.21 2.75 3.1(0.3) (3)
OGLE-TR-56 1.21 1.23 3.3 3.0+2.9

−1.4 (2)
HAT-P-23 1.21 1.13 1.97 4.0(1.0) (2)
WASP-121 1.27 1.35 1.183 1.5(1.0) (4)
CoRoT-14 1.51 1.13 7.42 4.2(3.8) (2)
Kepler-76 1.54 1.20 2.0 3.6+3.7

−1.3 (5)
WASP-114 1.55 1.29 1.769 4.3+1.4

−1.3 (6)
Qatar-10 1.65 1.16 0.736 3.2(1.9) (7)
KELT-14 1.71 1.24 1.284 5.11(0.80) (8)
Kepler-412 1.72 1.17 0.939 5.1(1.7) (9)
WASP-76 1.81 1.46 0.92 5.3+6.1

−2.9 (10)
HATS-35 1.82 1.32 1.222 2.13(0.51) (11)
TOI-2803 A 1.96 1.12 0.975 3.7+1.5

−1.3 (12)

M? & 1.2M�) since we find that such stars are unlikely
to be undergoing significant orbital decay; examples
of such systems include WASP-18 (Porb = 0.94 days,
M? = 1.3M�, Age = 1.6+1.4

−0.9 Gyr; Cortés-Zuleta et al.
2020), HATS-52 (Porb = 1.37 days, M? = 1.1M�,
Age = 1.2+1.5

−1.1 Gyr; Henning et al. 2018), and CoRoT-1
(Porb = 1.51 days, M? = 1.2M�, Age = 1.6 ± 0.5 Gyr;
Bonomo et al. 2017). That said, the systems listed in Ta-
ble 3 have sufficiently large age uncertainties that many
are likely still on the main sequence, in which case their
〈τ〉 would be large.
For the systems listed in Table 2 with Porb . 1.0 day,

our results suggest 〈τ〉 . 100 Myr and Q′? . 106 (given
the uncertainties in the measured parameters, especially
the stellar age, we do not attempt to make system spe-
cific predictions). If a system listed in Table 3 has a host
star on the subgiant branch, then it too should have
〈τ〉 . 100 Myr and Q′? . 106. By Equation (16), we
expect systems with such small 〈τ〉 to have Tshift & 10 s
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after Tdur = 10 yr. Thus, the transit timing shifts of
some of these systems, many of which are part of exist-
ing transit timing measurement campaigns (e.g., Patra
et al. 2020; Ivshina & Winn 2022; Maciejewski et al.
2022; Mannaday et al. 2022; Rosário et al. 2022; Harre
et al. 2023), may soon be detectable.

7. Summary and Conclusions

We studied the dissipation of the dynamical tide due
to the excitation and damping of weakly nonlinear g-
modes in hot Jupiter host stars. This is the dominant
source of tidal dissipation in the great majority of hot
Jupiter systems. By integrating the amplitude equations
for large networks of nonlinearly interacting g-modes
consisting of a linearly driven parent exciting a sea of
secondary modes (daughters and granddaughters), we
calculated the tidal dissipation rate as a function of stel-
lar mass M?, age, orbital period Porb, and planetary
mass Mp. We expressed our results in terms of the or-
bital decay time 〈τ〉, stellar tidal quality factor Q′?, and
transit time shift Tshift. In order to span the range of
observed hot Jupiter systems, our analysis considered 16
stellar models with masses between M? = 0.5 − 2.0M�
and ages between the early main sequence and the sub-
giant branch. For each stellar model we considered or-
bital periods between Porb = 0.5−4 days and planetary
masses between Mp = 0.5 − 3.0MJ. Our main results
are shown in Figures 5–7 and in Table 4.
For hosts with M? . 1.0M�, we found that the tidal

dissipation rate increases with M? and age, and can be
significant throughout the main sequence. The dissi-
pation is sensitive to Porb and in many cases follows a
power-law 〈τ〉 ∝ Pαorb with α ' 6−7. For Porb . 1.0 day
and Mp & 0.5MJ we in general found that 〈τ〉 .
100 Myr, Q′? . 106, and Tshift & 10(Tdur/10 yr)2 s,
where Tdur is the duration of a system’s observation
time.
For hosts with M? & 1.2M�, we found that the tidal

dissipation rate is negligible on the main sequence but
becomes highly significant as these stars ascend the sub-
giant branch (owing primarily to the respective pres-
ence and absence of a convective core). Even at Porb ≈
3 days, the dissipation rate on the subgiant branch is
rapid enough to produce a detectable transit time shift
(Tshift & 10 s) within 10 years. For Porb ≈ 1.0 day, a
detectable transit time shift takes only ≈ 1 yr, which is
∼ 100 times faster than for main sequence stars with
M? . 1.0M� (see Figure 6).
We compared our results to known hot Jupiters and

identified a number of systems that could be undergo-
ing rapid orbital decay (see Tables 2 and 3). However,
since our results are sensitive to the age of the star (es-

pecially for M? & 1.2M�), which is usually the least
well-measured parameter of the hosts, there can be con-
siderable uncertainty in the expected 〈τ〉 and Tshift of
individual systems.
Our analysis assumed that the excited modes are all

global standing waves. We found that this is a good ap-
proximation for the linearly excited parent, except per-
haps in our most evolved subgiant models. In those
models, the parent’s radiative damping can exceed its
group travel time through the star or its displacement
amplitude ξr can approach the wave breaking limit
(krξr & 1) near the stellar center. If either is true,
the parent should instead be treated as a traveling wave
since it dissipates all of its energy and angular momen-
tum before it can reflect near the stellar center and form
a standing wave. Several studies have considered the
tidal dissipation rate in hot Jupiter systems under the
assumption that the parent is a traveling wave and thus
maximally dissipative (Barker & Ogilvie 2010; Barker
2011; Chernov et al. 2017; Weinberg et al. 2017; Sun
et al. 2018; Lazovik 2021).
Treating all the daughters and granddaughters as

standing waves may not always be a good approxima-
tion, however, even for some of our main sequence mod-
els. This is because their wavelengths can be much
shorter than the parent that excites them. They there-
fore have higher radiative damping rates and at a given
mode energy are closer to the wave breaking limit than
the parent. This suggests that the interaction between
the parent and the secondary modes may in some cases
involve a standing wave (the parent) nonlinearly exciting
traveling waves (the daughters, granddaughters, etc.).
The computational methods for studying weakly non-
linear interactions between standing waves and traveling
waves have not been developed, as far as we know, and is
left for future work. Since the secondary modes dissipate
their energy by radiative damping far from the stellar
center where they are nonlinearly excited, it is possible
the total dissipation will be insensitive to whether they
are treated as standing waves or traveling waves.
Another caveat of our calculation is that we do not

account for possible changes to the stellar structure due
to the transfer of energy and angular momentum from
the modes to the background star. This type of interac-
tion was investigated recently by Guo et al. (2023), who
performed 2D hydrodynamical simulations of tidally ex-
cited nonlinear gravity waves in the cores of solar-type
stars. They found that linear damping of the waves
gradually spins up the core and that subsequent incom-
ing (parent) waves are absorbed in an expanding critical
layer. Importantly, this process was found to occur even
when the parents are below the wave breaking threshold,
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suggesting that such parents are effectively in the travel-
ing wave regime and thus maximally dissipative. Due to
computational limitations, they say that the secondary
waves generated by the parametric instability, which are
the focus of our analysis, would be very difficult to ob-
serve in their simulations. Properly resolving such sec-
ondary waves might be important, however. For exam-
ple, they could propagate outwards from where they are
excited and transfer their energy and angular momen-
tum at larger radii rather than locally. Their dissipation
might also modify the stratification of the central region,
moving the parent’s inner turning point outwards and
causing it to reflect at larger radii. Such effects can po-
tentially impact the formation of a critical layer and the
subsequent absorption of the incoming parent wave.
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APPENDIX

A. PARAMETERS OF THE MESA INLISTS

The stellar models are built using version 15140 of MESA (Paxton et al. 2011, 2013, 2015, 2018, 2019; Jermyn et al.
2022). The key parameters of the inlist files we use are provided below. We change initial_mass to build different
mass models and we change max_center_cell_dq, R_function_weight, and R_function_param if finer grid resolution
is needed in the stellar center (e.g., to calculate κabc).

&star_job
create_pre_main_sequence_model = .true.

/ ! end of star_job namelist

&controls
initial_mass = 0.5
initial_z = 0.02d0
use_Ledoux_criterion = .true.
MLT_option = ‘Henyey’
max_center_cell_dq = 1d-10
R_function_weight = 100
R_function_param = 1d-8
use_dedt_form_of_energy_eqn = .true.
use_gold_tolerances = .true.
mesh_delta_coeff = 0.2
when_to_stop_rtol = 1d-6
when_to_stop_atol = 1d-6

/ ! end of controls namelist

B. TABLE OF ORBITAL DECAY RESULTS FROM THE MODE NETWORK INTEGRATIONS

In Table 4 we list the values of 〈τ〉, Q′?, and Tshift from each of our mode network integrations (see also Figures 5,
6, and 7).

http://mesa.sourceforge.net
http://mesa.sourceforge.net
https://bitbucket.org/rhdtownsend/gyre/wiki/Home
https://bitbucket.org/rhdtownsend/gyre/wiki/Home
https://computing.llnl.gov/projects/sundials
https://computing.llnl.gov/projects/sundials
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Table 4. Orbital decay time 〈τ〉, stellar tidal quality factor Q′?,
and transit time shift Tshift from the mode network integrations.
Each column is for a particular stellar model (M? and Age) and
each triplet of rows is, from top to bottom, for an orbital period
Porb = 0.5, 1.0, 2.0, 3.0, 4.0 days. For a given Porb, the first row gives
log10(〈τ〉/yr), the second row gives log10 Q

′
?, and the third row gives

log10(Tshift/s) assuming Tdur = 10 yr. The four comma-separated
entries in each row are, from left to right, for planet mass Mp =
0.5, 1.0, 2.0, 3.0MJ. The top of the table illustrates the format.

Porb M?, Age M?, Age M?, Age M?, Age
(day) (M�, Gyr) (M�, Gyr) (M�, Gyr) (M�, Gyr)

− log10(〈τ〉/yr): 0.5, 1.0, 2.0, 3.0MJ − − −
− log10 Q

′
?: 0.5, 1.0, 2.0, 3.0MJ − − −

− log10(Tshift/s): 0.5, 1.0, 2.0, 3.0MJ − − −

− 0.5M�, 1.07 Gyr 0.5M�, 4.97 Gyr 0.5M�, 8.97 Gyr −

0.5 16.1, 15.8, 15.5, 15.4 8.5, 7.5, 6.9, 6.4 8.6, 8.3, 8.1, 7.1 −
− 14.1, 14.1, 14.1, 14.2 6.6, 5.9, 5.6, 5.3 6.5, 6.6, 6.6, 5.8 −
− −6.8,−6.5,−6.2,−6.0 0.8, 1.9, 2.5, 2.9 0.8, 1.1, 1.3, 2.2 −

1.0 16.9, 16.6, 16.3, 15.7 13.0, 9.9, 9.1, 8.7 10.6, 10.0, 9.4, 9.0 −
− 13.5, 13.5, 13.5, 13.0 9.7, 6.9, 6.4, 6.2 7.3, 7.0, 6.7, 6.4 −
− −7.5,−7.2,−7.0,−6.3 −3.6,−0.5, 0.3, 0.7 −1.2,−0.6,−0.0, 0.4 −

2.0 18.2, 17.8, 17.3, 17.1 16.7, 12.9, 11.6, 11.2 14.7, 12.7, 11.7, 11.3 −
− 13.5, 13.5, 13.3, 13.2 12.0, 8.6, 7.5, 7.4 10.0, 8.4, 7.7, 7.4 −
− −8.8,−8.5,−8.0,−7.8 −7.3,−3.5,−2.2,−1.9 −5.3,−3.4,−2.3,−1.9 −

3.0 18.4, 18.1, 17.8, 17.6 17.3, 15.4, 14.1, 13.1 16.2, 15.1, 13.1, 12.1 −
− 12.9, 12.9, 12.9, 12.9 11.9, 10.3, 9.3, 8.5 10.8, 10.0, 8.3, 7.4 −
− −9.0,−8.7,−8.4,−8.2 −7.9,−6.0,−4.7,−3.7 −6.8,−5.7,−3.7,−2.7 −

4.0 18.8, 18.5, 18.2, 18.0 17.9, 17.1, 16.6, 15.4 18.3, 16.4, 14.8, 13.5 −
− 12.8, 12.8, 12.8, 12.8 12.0, 11.4, 11.3, 10.3 12.4, 10.7, 9.5, 8.4 −
− −9.4,−9.1,−8.8,−8.6 −8.5,−7.7,−7.3,−6.1 −9.0,−7.0,−5.5,−4.2 −

0.8M�, 1.07 Gyr 0.8M�, 4.87 Gyr 0.8M�, 8.97 Gyr −

0.5 8.4, 6.6, 6.0, 5.7 6.6, 6.2, 6.0, 5.9 6.3, 6.2, 6.1, 6.0 −
− 6.8, 5.3, 5.0, 4.9 5.0, 4.9, 5.0, 5.1 4.9, 5.0, 5.2, 5.3 −
− 1.0, 2.8, 3.4, 3.7 2.8, 3.2, 3.4, 3.5 3.0, 3.2, 3.3, 3.4 −

1.0 11.7, 8.7, 8.3, 8.2 8.9, 8.5, 8.0, 7.8 8.5, 8.2, 8.0, 7.9 −
− 8.9, 6.2, 6.1, 6.1 6.1, 6.0, 5.8, 5.8 5.8, 5.7, 5.9, 6.0 −
− −2.3, 0.7, 1.1, 1.2 0.5, 0.9, 1.4, 1.6 0.9, 1.2, 1.4, 1.4 −

2.0 16.1, 15.3, 10.8, 10.1 11.2, 10.7, 10.2, 9.9 11.0, 10.5, 10.0, 9.9 −
− 11.9, 11.5, 7.2, 6.8 7.1, 6.9, 6.7, 6.5 6.9, 6.8, 6.6, 6.6 −
− −6.7,−6.0,−1.4,−0.8 −1.9,−1.3,−0.8,−0.5 −1.6,−1.2,−0.6,−0.5 −

3.0 16.6, 16.3, 14.2, 13.6 13.3, 12.4, 11.5, 11.2 12.1, 11.7, 11.2, 11.1 −
− 11.7, 11.7, 9.8, 9.5 8.4, 7.9, 7.2, 7.1 7.3, 7.2, 7.0, 7.1 −
− −7.2,−6.9,−4.8,−4.2 −3.9,−3.1,−2.1,−1.9 −2.8,−2.3,−1.9,−1.7 −

4.0 17.0, 16.3, 15.4, 14.9 15.0, 14.2, 12.2, 12.3 13.5, 12.9, 12.4, 12.1 −
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− 11.5, 11.1, 10.5, 10.2 9.5, 9.0, 7.4, 7.6 8.1, 7.8, 7.7, 7.5 −
− −7.6,−6.9,−6.0,−5.5 −5.6,−4.8,−2.9,−2.9 −4.1,−3.5,−3.0,−2.7 −

1.0M�, 1.03 Gyr 1.0M�, 4.60 Gyr 1.0M�, 8.72 Gyr 1.0M�, 11.0 Gyr

0.5 7.2, 6.4, 5.8, 5.6 6.3, 6.1, 6.0, 5.9 6.0, 5.9, 5.7, 5.7 5.7, 5.5, 5.4, 5.4

− 5.8, 5.3, 5.0, 5.0 5.2, 5.3, 5.5, 5.6 5.3, 5.5, 5.6, 5.7 5.5, 5.7, 5.8, 6.0

− 2.2, 3.0, 3.6, 3.8 3.1, 3.2, 3.4, 3.5 3.4, 3.5, 3.6, 3.7 3.7, 3.8, 4.0, 4.0

1.0 9.4, 8.4, 8.2, 7.9 8.1, 8.0, 7.8, 7.6 7.8, 7.7, 7.6, 7.5 7.1, 7.0, 6.8, 6.7

− 6.8, 6.1, 6.1, 6.0 5.7, 5.8, 5.7, 6.0 5.8, 5.9, 6.1, 6.2 5.7, 5.8, 5.9, 6.0

− −0.0, 0.9, 1.2, 1.5 1.3, 1.4, 1.5, 1.8 1.6, 1.7, 1.8, 1.9 2.2, 2.4, 2.6, 2.7

2.0 14.2, 12.6, 9.9, 9.9 10.5, 9.9, 9.7, 9.5 9.8, 9.6, 9.5, 9.4 9.5, 9.4, 9.3, 9.2

− 10.3, 9.0, 6.6, 6.7 6.7, 6.5, 6.5, 6.6 6.4, 6.6, 6.8, 6.8 6.8, 6.9, 7.1, 7.2

− −4.8,−3.2,−0.6,−0.5 −1.1,−0.6,−0.3,−0.2 −0.4,−0.2,−0.1,−0.0 −0.2,−0.0, 0.1, 0.2

3.0 15.0, 14.5, 13.1, 12.2 11.8, 11.3, 11.2, 11.0 1.0, 11.0, 10.8, 10.7 11.4, 10.6, 10.4, 10.4

− 10.3, 10.1, 9.1, 8.3 7.3, 7.1, 7.3, 7.3 6.9, 7.2, 7.3, 7.4 7.8, 7.4, 7.5, 7.6

− −5.6,−5.1,−3.8,−2.8 −2.4,−1.9,−1.8,−1.7 −1.6,−1.6,−1.4,−1.4 −2.0,−1.3,−1.1,−1.0

4.0 16.4, 16.1, 14.3, 14.0 12.7, 12.4, 11.8, 11.8 1.7, 11.6, 11.4, 11.3 11.6, 11.7, 11.6, 11.5

− 11.2, 11.2, 9.7, 9.5 7.7, 7.7, 7.3, 7.5 7.0, 7.2, 7.4, 7.5 7.5, 7.9, 8.1, 8.2

− −7.0,−6.7,−4.9,−4.6 −3.4,−3.0,−2.4,−2.4 −2.3,−2.2,−2.0,−1.9 −2.2,−2.3,−2.2,−2.2

− − 1.2M�, 4.00 Gyr 1.2M�, 6.00 Gyr

0.5 − − 6.1, 6.0, 5.8, 5.8 3.4, 3.3, 3.2, 3.2

− − − 5.7, 5.8, 6.0, 6.1 5.1, 5.3, 5.5, 5.6

− − − 3.3, 3.4, 3.5, 3.6 6.0, 6.1, 6.1, 6.2

1.0 − − 8.0, 7.8, 7.7, 7.6 5.5, 5.4, 5.2, 5.2

− − − 6.2, 6.4, 6.5, 6.6 5.9, 6.0, 6.2, 6.3

− − − 1.4, 1.6, 1.7, 1.8 3.9, 4.0, 4.1, 4.2

2.0 − − 10.0, 10.0, 9.8, 9.7 7.6, 7.6, 7.6, 7.6

− − − 7.0, 7.2, 7.4, 7.4 6.6, 6.9, 7.2, 7.4

− − − −0.7,−0.6,−0.4,−0.3 1.8, 1.8, 1.8, 1.8

3.0 − − 11.1, 11.1, 11.1, 11.1 8.1, 8.1, 8.1, 8.1

− − − 7.3, 7.6, 7.9, 8.0 6.4, 6.7, 7.0, 7.2

− − − −1.7,−1.7,−1.7,−1.7 1.3, 1.3, 1.3, 1.3

4.0 − − 11.9, 11.5, 11.4, 11.4 8.8, 8.4, 8.4, 8.4

− − − 7.6, 7.5, 7.6, 7.8 6.6, 6.5, 6.8, 7.0

− − − −2.5,−2.1,−2.0,−2.0 0.6, 0.9, 1.0, 0.9

− − 1.5M�, 2.03 Gyr 1.5M�, 2.5 Gyr

0.5 − − 7.5, 7.3, 7.2, 7.2 3.4, 3.3, 3.2, 3.1

− − − 7.6, 7.8, 8.0, 8.1 4.5, 4.6, 4.8, 4.9

− − − 1.9, 2.0, 2.1, 2.2 5.9, 6.1, 6.2, 6.3

1.0 − − 9.5, 9.2, 9.0, 8.9 5.7, 5.6, 5.5, 5.4

− − − 8.4, 8.4, 8.4, 8.5 5.5, 5.6, 5.8, 5.9

− − − −0.2, 0.1, 0.4, 0.5 3.6, 3.8, 3.9, 4.0

2.0 − − 11.8, 11.2, 11.2, 11.2 7.8, 7.8, 7.7, 7.7
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− − − 9.3, 9.1, 9.3, 9.5 6.2, 6.5, 6.8, 6.9

− − − −2.4,−1.9,−1.8,−1.8 1.6, 1.6, 1.6, 1.7

3.0 − − 13.0, 12.7, 12.1, 12.0 8.2, 8.3, 8.3, 8.3

− − − 9.7, 9.8, 9.5, 9.6 5.9, 6.3, 6.6, 6.8

− − − −3.6,−3.4,−2.7,−2.6 1.1, 1.1, 1.0, 1.0

4.0 − − 14.5, 13.3, 13.0, 12.8 9.2, 8.8, 8.6, 8.6

− − − 10.7, 9.8, 9.8, 9.8 6.3, 6.2, 6.3, 6.5

− − − −5.1,−3.9,−3.6,−3.4 0.2, 0.6, 0.8, 0.8

− − 2.0M�, 0.70 Gyr 2.0M�, 0.92 Gyr

0.5 − − 9.2, 8.5, 7.9, 7.7 3.4, 3.2, 3.1, 3.0

− − − 9.1, 8.7, 8.5, 8.4 5.0, 5.2, 5.4, 5.5

− − − 0.2, 0.9, 1.4, 1.7 6.0, 6.1, 6.3, 6.4

1.0 − − 12.2, 11.8, 10.5, 9.8 5.4, 5.2, 5.1, 5.0

− − − 10.8, 10.7, 9.7, 9.2 5.7, 5.9, 6.1, 6.2

− − − −2.8,−2.5,−1.2,−0.4 4.0, 4.1, 4.3, 4.4

2.0 − − 14.2, 13.2, 12.8, 12.3 7.4, 7.5, 7.0, 6.9

− − − 11.5, 10.9, 10.7, 10.4 6.4, 6.9, 6.6, 6.7

− − − −4.9,−3.9,−3.5,−2.9 2.0, 1.8, 2.4, 2.5

3.0 − − 14.8, 14.5, 14.2, 14.0 8.1, 8.1, 8.1, 8.1

− − − 11.4, 11.4, 11.4, 11.4 6.4, 6.7, 7.0, 7.1

− − − −5.4,−5.1,−4.8,−4.7 1.3, 1.3, 1.3, 1.3

4.0 − − 15.2, 14.9, 14.6, 14.5 8.5, 8.4, 8.4, 8.4

− − − 11.2, 11.2, 11.2, 11.2 6.2, 6.4, 6.7, 7.0

− − − −5.9,−5.6,−5.3,−5.1 0.9, 1.0, 1.0, 0.9
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ABSTRACT

Ultra-fast outflows (UFOs) have been revealed in a large number of active galactic nuclei (AGN) and are regarded as promising
candidates for AGN feedback on the host galaxy. The nature and launching mechanism of UFOs are not yet fully understood. Here
we perform a time- and flux-resolved X-ray spectroscopy on four XMM-Newton observations of a highly accreting narrow-line
Seyfert 1 (NLS1) galaxy, Mrk 1044, to study the dependence of the outflow properties on the source luminosity. We find that
the UFO in Mrk 1044 responds to the source variability quickly and its velocity increases with the X-ray flux, suggesting a
high-density (109–4.5 × 1012 cm−3) and radiatively driven outflow, launched from the region within a distance of 98–6600 'g

from the black hole. The kinetic energy of the UFO is conservatively estimated (!UFO ∼ 4.4%!Edd), reaching the theoretical
criterion to affect the evolution of the host galaxy. We also find emission lines, from a large-scale region, have a blueshift of
2700–4500 km/s in the spectra of Mrk 1044, which is rarely observed in AGN. By comparing with other sources, we propose a
correlation between the blueshift of emission lines and the source accretion rate, which can be verified by a future sample study.

Key words: accretion, accretion discs – black hole physics – galaxies: Seyfert - X-rays: individual: Mrk 1044

1 INTRODUCTION

It is well accepted that active galactic nuclei (AGN) are powered by
the accretion of matter onto supermassive black holes (SMBHs) in
the hearts of galaxies. The energetic output of AGN can impact the
evolution of their host galaxies, an effect that is referred to AGN
feedback (e.g. Fabian 2012, and references therein). The enormous
amount of energy and momentum, released in the form of matter
and radiation, can expel or heat the surrounding interstellar medium
(ISM). This may delay the gas cooling and further leads to the
star formation (SF) quenching (Zubovas & King 2012). In the early
phases of feedback, AGN outflows can also trigger the star formation
within the compressed gas (e.g. Maiolino et al. 2017). Ultra-fast
outflows (UFOs) with a wide solid angle are now considered one of
the main mechanisms of AGN feedback for their mildly relativistic

★ E-mail: yerong.xu@inaf.it

speeds (≥ 10000 km/s or 0.032) and powerful kinetic energy
(≥ 0.05!Edd). Such a huge kinetic output matches the theoretical
predictions of effective AGN feedback models (e.g. Di Matteo et al.
2005; Hopkins & Elvis 2010), offering an interpretation of the
observed AGN-host galaxy relations (e.g. "BH−f, Kormendy & Ho
2013, and references therein).

UFOs are commonly detected by identified blueshifted Fe
xxv/xxvi absorption lines above 7 keV in the X-ray band
(e.g. Chartas et al. 2002; Cappi 2006; Tombesi et al. 2010, 2013;
Gofford et al. 2013; Matzeu et al. 2022a). The measured velocities
of UFOs can reach up to ∼ 0.32 (e.g. APM 08279+5255 and PDS
456, Chartas et al. 2002; Reeves et al. 2003), implying that they likely
originate from the inner region of the accretion disk within several
hundred gravitational radii from the black hole. Thanks to the high
spectral resolution of the Reflection Grating Spectrometer (RGS,
Den Herder et al. 2001) onboard XMM-Newton (Jansen et al. 2001)
and the High Energy Transmission Gratings (HETG, Canizares et al.
2005) onboard Chandra (Weisskopf et al. 2002), UFOs are also

© 2023 The Authors
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detectable in soft X-ray bands and distinguishable from slow, ionized
outflows, the so-called warm absorbers.

Under the investigation of the past two decades, UFOs show
variable signatures, i.e., variable velocities and transient features,
based on multi-epoch deep observations (e.g. Dauser et al. 2012;
Matzeu et al. 2017; Igo et al. 2020). However, the exact nature
of UFO variability and their launching mechanisms are not well
understood. They could be driven either by the radiation pressure
(e.g. Proga et al. 2000; Sim et al. 2010; Hagino et al. 2016) or by
magneto-rotational forces (MHD models, e.g. Kato et al. 2004;
Fukumura et al. 2010, 2015) or a combination of both. Variability
might be key to determining UFO launching mechanisms. It has
been found that the Fe K absorption features in the spectrum of
IRAS 13244-3809 and 1H 0707-495 weaken with the increasing X-
ray luminosity, implying an over-ionization of the gas (Parker et al.
2017; Pinto et al. 2018; Xu et al. 2021a). The velocity of the UFO in
PDS 456 and IRAS 13229-3809 increases with the source luminosity
(Matzeu et al. 2017; Pinto et al. 2018). The above discoveries support
that UFOs in high-accretion systems are mainly accelerated by the
strong radiation field. Interestingly, Xu et al. (2021a) found, instead,
an anti-correlation between the UFO velocity and X-ray luminosity
in 1H 0707-495, challenging our understanding of the UFO driving
mechanism. It was explained by the supercritical flow expanding at
high-accretion states, resulting in larger launching radii (i.e. at lower
velocities) within the disk. Therefore, it is worth investigating the
dependence of UFOs on the source luminosity and accretion rate in
other sources to better understand the nature of UFOs.

Mrk 1044 is a nearby (I = 0.016) and luminous (!1`m–2keV =

1.4 × 1044 erg/s, Grupe et al. 2010) narrow-line Seyfert 1 AGN,
hosting a central SMBH with a reverberation-mapped mass of
"BH = 2.8 × 106 "⊙ (Du et al. 2015) or a mass, determined
through the FWHM(HV) and !5100Å, of "BH = 2.1 × 106 "⊙

(Grupe et al. 2010). Mrk 1044 shows a soft X-ray excess in the
spectrum (Dewangan et al. 2007). It was interpreted by relativistic
reflection from a high-density accretion disk in Mallick et al.
(2018), although in general a warm corona model also provides a
statistically acceptable description of the soft excess below 2 keV
(e.g. Petrucci et al. 2018; García et al. 2019; Petrucci et al. 2020;
Xu et al. 2021b). In the XMM-Newton/RGS spectrum, based on a
series of narrow absorption lines, Krongold et al. (2021) found four
distinctive UFOs, explained by a shocked outflow scenario. From
the multi-wavelength observations, Mrk 1044 was reported to have
multi-phase outflows in optical and UV bands as well, including two
unresolved and one resolved ionized gas outflows traced by [O iii]
in the optical band as well as two Ly-U absorbing components in
the ultra-violet (UV) energy range (Fields et al. 2005; Winkel et al.
2022).

In this paper, we will present the high-resolution spectroscopic
analysis on four XMM-Newton/RGS observations of Mrk 1044
(PI: C. Jin). In section 2, we present the four XMM-Newton

observations and our data reduction process. Details on our analysis
and results are shown in section 3, where we expand the work by
Krongold et al. (2021), find an additional blueshifted photoionized
emission component, and further study the relation between the
properties of winds and the source luminosity. We discuss the results
and provide our conclusions in section 4 and section 5, respectively.

2 DATA REDUCTION AND PRODUCTS

Mrk 1044 has been observed with a large XMM-Newton program
(PI: C. Jin) for three orbits in 2018 and one orbit in 2019. The

Table 1. General overview of the analyzed observations on Mrk 1044

Obs. ID Date Instrument Net exp. Net count rate

(ks) (cts/s)

0824080301 2018-08-03
EPIC-pn 95 32

RGS 134 1.07

0824080401 2018-08-05
EPIC-pn 97 24

RGS 133 0.79

0824080501 2018-08-07
EPIC-pn 93 25

RGS 131 0.84

0841820201 2019-08-03
EPIC-pn 90 20

RGS 126 0.63

details of the analyzed observations in this work are listed in Tab.1.
XMM-Newton consists of the European Photon Imaging Camera
(EPIC), including two EPIC-MOS CCDs (Turner et al. 2001) and an
EPIC-pn (Strüder et al. 2001), RGS, and the Optical Monitor (OM,
Jansen et al. 2001). This work focuses on the RGS and we use the
EPIC and OM data mainly to determine the shape of the broadband
spectral energy distribution (SED), for which the MOS results are
redundant as pn has a significantly higher effective area in the hard
band.

2.1 Data reduction

The data sets are processed with the XMM-Newton Science Analysis
System (SAS v20.0.0) and calibration files available by September
2022, following the standard SAS threads. We reduced EPIC-pn data
using epproc package and produced calibrated photon event files. The
filter of the background flare contamination is set at 0.5 counts/sec in
10-12 keV. We extracted the source spectra from a circular region of
radius 30 arcsec, and the background spectra from a nearby source-
free circular region with the same radius. No significant pile-up effect
is found with the task epatplot. The EPIC-pn spectra are grouped
to over-sample the instrumental resolution at least by a factor of
3 and each energy bin has a minimum of 25 counts to maximize
the S/N. We employed the rgsproc package to process the RGS
data with a filter of 0.3 counts/sec to exclude the background flares.
The first-order RGS spectra are extracted from a cross-dispersion
region of 1 arcmin width. The background spectra are selected from
photons beyond 98% of the source point-spread function. The RGS1
and RGS2 spectra are combined and grouped to over-sample the
resolution at least by a factor of 3. During the observation, Mrk 1044
was also monitored by OM in the UVW1 (2910Å) filter. We reduced
OM data with omichain tool including all necessary calibration
processes. The response file is retrieved from the ESA webpage1 .
The UVW1 flux is less variable than the X-ray flux, i.e., almost
stable in 2018 and drops by 13% in 2019.

2.2 Light curve

By using the task epiclccorr, we present the background-
substracted and deadtime-corrected light curves extracted from the

1 https://www.cosmos.esa.int/web/xmm-newton/om-response-files
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Figure 1. The EPIC-pn (0.3–10 keV) light curve (upper) and corresponding hardness ratio (lower) of the observations of Mrk 1044, where the observation dates
(T1-T4) are marked. The colors represent the different flux intervals (F1-F3) with comparable counts.

EPIC-pn (0.3–10 keV) data in Fig.1. It reveals that Mrk 1044 is
bright and variable during the observations. The corresponding
hardness ratio (HR=H/H+S, H: 2–10 keV; S: 0.3–2 keV), plotted
in the bottom panel, shows a softer-when-brighter behavior. To
investigate the variability of the UFO with the luminosity, we divide
three consecutive observations in 2018 into three flux levels, marked
by different colors. The reason why we exclude the 2019 observation
is to ensure the causality between the variations of the UFO and the
luminosity, i.e., we are studying the response of the same absorber
to the source. The thresholds are set to make the number of counts
of each level comparable. The good time interval (GTI) files for each
level are generated with tabgtigen task. The flux-resolved EPIC-pn
and RGS spectra at the same flux level are extracted and stacked
following the steps described in Sec.2.1. The observations in 2018
are also stacked into one single spectrum, named 2018. In this work,
we will perform the flux-/time-resolved spectroscopy for a total of
8 spectra, where the time-resolved spectra are referred to as T1...T4
chronologically (e.g. T1 refers to Obs. 0824080301) and the flux-
resolved spectra are referred to as F1, F2, F3 from the lowest to the
highest state.

3 RESULTS

3.1 Continuum Modelling

We start the broadband X-ray spectroscopy from the stacked 2018
EPIC-pn and RGS spectra, due to their high statistics, in the XSPEC
(v12.12.1) package (Arnaud 1996). The instrumental differences are
accounted for by adopting a variable cross-calibration factor. In this
paper, we use the j2 statistics and estimate the uncertainties of all
parameters at the default 90% confidence level (i.e. Δj2

= 2.71),
but 1f (Δj2

= 1) error bars are shown in plots. We consider the
RGS spectra between 0.4–1.77 keV and the EPIC-pn spectra between
1.77–10 keV in our analysis, not only because of their consistency
in the soft X-ray band, but also due to the influence of the lower

resolution but higher count rate of EPIC-pn on the detection of atomic
features. The luminosity calculations in this paper are based on the
assumptions of �0 = 70 km/s/Mpc, ΩΛ = 0.73 and Ω" = 0.27.

The broadband X-ray model for Mrk 1044 was proposed by
Mallick et al. (2018) based on the archival XMM-Newton data
in 2013. In this work, we adopt a similar model combination:
tbabs*zashift*(nthComp+relxilllpCp), to explain those
spectral components. The model takes into account the galactic
hydrogen absorption (tbabs) with the solar abundance calculated by
Lodders et al. (2009), the redshift of Mrk 1044 (zashift), the soft
excess in form of a warm Comptonization component (nthComp),
and the hot coronal continuum like a power-law plus a lamppost-
geometry relativistic reflection (relxilllpCp, RELXILL v1.4.3,
García et al. 2014). The Galactic column density, #Gal

H , is allowed

to vary due to the discrepancy between #Gal
H = 2.9 × 1020cm−2

(HI4PI Collaboration et al. 2016) and #Gal
H = 3.6×1020cm−2 (NHtot

tool, Willingale et al. 2013). The choice of the solar abundance
calculated by Lodders et al. (2009) instead of Wilms et al. (2000)
is to keep consistent with the subsequently used photoionization
models in Sec.3.3, although it does not affect our conclusions (only a
Δj2 ∼ 10 difference around O K-edge, ∼ 0.53 keV, region). Instead
of using the high-density relativistic reflection model adopted in
Mallick et al. (2018), here we choose the warm Comptonization
model plus a standard relativistic reflection component, of which
the disk density is fixed at log(=e/cm−3) = 15, in our analysis. It is
because we find the fitting of the relativistic reflection model is much
poorer (Δj2 ∼ 670) than the warm Comptonization scenario when
we include the RGS data, probably due to a thick inner disk distorted
by strong radiation pressure, breaking the thin-disk assumption of
the reflection model. The seed photon of the warm Comptonization
is fixed at a disk temperature of 10 eV , which is the value obtained
by including the OM data (see Sec.3.3).

The fitted parameters of the stacked 2018 spectrum are listed in the
third column of Tab.2. The data/model ratio in the RGS band is shown
in the upper panel of Fig.2, featuring a broad absorption feature

MNRAS 000, 1–14 (2023)
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Figure 2. The data/model ratio (upper) and single trial significance (lower)
obtained from the Gaussian line scan with different line widths (500, 1500,
4500 km/s) over the rest-frame stacked 2018 spectrum in RGS band. The
vertical dashed lines represent the rest-frame positions of the known ion
transitions as a reference. The grey region marks the significance of 3f.

above 1 keV. The results reveal a primary continuum with a slope of
Γ = 2.26+0.01

−0.01 and a plasma temperature above > 196 keV, a warm

Comptonization characterized by a temperature of 0.23+0.01
−0.01 keV

and a soft photon index ΓWC = 2.52+0.06
−0.06 , and a relativistic

reflection component with a reflection ratio of 5Refl = 0.19+0.03
−0.02 .

The corresponding optical depth of the warm corona is gWC
e ∼ 30

(Zdziarski 1985). The spin of the black hole cannot be constrained
and is thus fixed at 0★ = 0.998. The inner radius of the disk is
within 'in < 23 'ISCO, where 'ISCO is the innermost stable circular
orbit (ISCO). The inclination angle, ionization parameter, and iron
abundance of the accretion disk are derived to be 8 = 34+1

−2 (deg),

log(b/erg cm s−1) = 3.4+0.2
−0.1 , and �Fe = 3.6+0.5

−0.6 (in units of solar
abundance), respectively. The hot corona, if assumed in a lamppost
geometry, is measured at the height of ℎ = 47+26

−25 'Horizon above
the accretion disk, where 'Horizon is the vertical event horizon of
the Kerr black hole. The marginal differences between our results
and Mallick et al. (2018) based on the archival 2013 observation
(8 = 46.4+1.9

−5.0 deg, log(b/erg cm s−1) = 2.96+0.04
−0.11 , �Fe = 2.2+0.5

−0.6
in their fit) may come from the different explanations for the soft
excess and the intrinsic variability of the source. We apply the best-fit
model to time-/flux-resolved spectra as well, with several invariable
properties (i.e. #Gal

H , 8 and �Fe) on short-term timescales linked to
those of the 2018 results. The results are listed in Tab.2. There is
no significant change in the broadband continuum during the 2018
observations, T1, T2, T3, within their uncertainties, confirming the
prerequisite of the flux-resolved spectroscopy. The spectral slopes
derived in flux-resolved spectra verify the softer-when-brighter
behavior observed in Fig.1.

3.2 Gaussian Line Scan

To better visualize and identify the atomic features upon the
continuum, we launch a blind Gaussian line scan over the spectra.
We fit an additional Gaussian line with a logarithmic grid of energy
steps over 0.4–10 keV band upon the continuum model and record
the Δj2 improvements. The energy centroid and the line width are
fixed at each step, while the normalization is free. We adopt three line
widths fE of 500, 1500, 4500 km/s and the corresponding numbers
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Figure 3. Similar to the bottom panel of Fig.2 but the scan is performed on
the time-resolved spectra.

of energy steps are 2000, 700, 300, respectively, in order to match
the RGS spectral resolution power ('RGS ∼ 150–800).

The scan results provide a rough estimate of the single trial
detection significance of each Gaussian line, in the form of the square
root of Δj2 times the sign of the normalization (Cash 1979). The
scan results over the 2018 spectrum in the RGS band are shown in
the bottom panel of Fig.2. The rest-frame energies of the known
strong ionic transition lines in the soft X-ray band are marked by the
vertical blue dashed lines. We identify the O vii and O viii emission
lines close to their rest-frame positions as well as several emission
features in the Ne ix/x and Fe xvii-xx region. No absorption features
are found at/close to their rest frames. The strongest absorption
feature is located around 1.2 keV with a broad line width, likely
from blueshifted Fe and Ne ionic absorption lines.

The same approach is then applied to the time-/flux-resolved
spectra with the same primary settings, of which results are shown
in Fig.3 and Fig.4, separately. There are no significant differences
among the results of time-resolved spectra, except for the T4
spectrum. Due to its low flux, the T4 result has a weaker detection
significance of lines and the strongest absorption feature becomes
around 0.7 keV, suggesting a different ionization state of the absorber
in T4 observation. In the other three spectra, the emission (O
vii, O viii and 0.8–1 keV emission) and absorption (∼ 1.2 keV
line) features observed in the 2018 spectrum are all obvious. The
absorption feature in T1 spectrum, the brightest observation, seems

MNRAS 000, 1–14 (2023)



Winds in Mrk 1044 5

Table 2. Best-fit parameters of the model tbabs*zashift*xabs_xs*(nthComp+relxilllpCp+pion_xs) to the stacked 2018, time- (T) and flux-resolved
(F) spectra.

Description Parameter 2018 T1 T2 T3 T4 F1 F2 F3

tbabs #Gal
H (1020 cm−2) 4.09+0.03

−0.05

zashift IMrk1044 0.016★

nthComp ΓWC 2.52+0.06
−0.06 2.49+0.04

−0.05 2.51+0.05
−0.04 2.51+0.07

−0.06 2.42+0.13
−0.26 2.57+0.05

−0.05 2.50+0.05
−0.06 2.56+0.05

−0.02

:)e (keV) 0.23+0.01
−0.01 0.23+0.01

−0.01 0.23+0.01
−0.01 0.22+0.01

−0.01 0.20+0.02
−0.02 0.24+0.01

−0.01 0.22+0.01
−0.01 0.25+0.01

−0.01

#WC (10−3) 6.0+0.4
−0.5 7.5+0.7

−0.6 5.5+0.3
−0.4 5.3+0.4

−0.5 3.7+0.4
−0.5 4.6+0.4

−0.2 5.9+0.3
−0.5 9.3+0.5

−0.6

relxilllpCp ℎ ('Horizon) 47+26
−25 > 46 > 40 33+21

−28 −17+18
−12 > 37 26+28

−20 > 24

0★ (2�/�" 2) 0.998★

8 (deg) 34+1
−2

'in ('ISCO) < 23 < 82 < 97 < 30 15+11
−11 < 49 < 29 < 42

Γ 2.26+0.01
−0.01 2.29+0.01

−0.03 2.23+0.01
−0.02 2.23+0.02

−0.02 2.22+0.03
−0.03 2.18+0.01

−0.02 2.27+0.02
−0.02 2.31+0.02

−0.02

log( b/erg cm s−1) 3.4+0.2
−0.1 3.6+0.2

−0.3 3.4+0.1
−0.2 3.3+0.1

−0.1 3.2+0.2
−0.2 3.3+0.1

−0.1 3.3+0.2
−0.1 2.1+0.4

−0.2

�Fe 3.6+0.5
−0.6

:)e (keV) > 196 > 51 > 30 > 23 > 18 > 38 > 25 > 21

5Refl 0.19+0.03
−0.02 0.23+0.05

−0.05 0.20+0.04
−0.05 0.29+0.06

−0.06 0.35+0.14
−0.09 0.25+0.03

−0.05 0.28+0.05
−0.05 0.32+0.10

−0.09

#refl (10−5) 9.4+0.8
−0.2 9.9+1.0

−1.1 7.8+0.9
−0.3 8.8+14.0

−0.8 8+11
−1 6.9+5.0

−0.3 10+8
−9 13+17

−1

broadband j2/d.o.f. 1319/733 987/731 922/731 956/731 750/730 950/734 933/734 939/733

xabs_xs #H (1021 cm−2) 2.3+0.5
−0.4 2.2+3.3

−0.4 2.0+1.2
−0.4 1.9+1.1

−0.2 0.04+0.02
−0.02 1.8+1.0

−0.3 2.1+1.7
−0.6 5.4+4.0

−3.2

log( b/erg cm s−1) 3.72+0.08
−0.10 3.73+0.23

−0.09 3.74+0.18
−0.14 3.74+0.30

−0.09 2.01+0.31
−0.25 3.74+0.17

−0.11 3.75+0.12
−0.20 4.0+0.1

−0.2

fv (km/s) 11800+4600
−4000 8600+5400

−4400 9500+5900
−6800 8500+4400

−3900 1000+1000
−800 9000★ 9000★ 9000★

ILOS −0.153+0.008
−0.016 −0.181+0.010

−0.007 −0.145+0.015
−0.021 −0.143+0.010

−0.012 −0.082+0.002
−0.002 −0.146+0.013

−0.018 −0.179+0.010
−0.018 −0.188+0.013

−0.007

broadband+abs j2/d.o.f. 1183/729 925/727 884/727 928/727 724/726 915/731 887/731 895/730

pion_xs #H (1020 cm−2) 2.1+0.6
−0.5 1.2+1.3

−0.7 8+7
−6 2.4+0.4

−1.4 2.7+0.7
−1.1 0.3+0.1

−0.1 2.6+0.9
−1.8 2.4+0.7

−1.4

log( b/erg cm s−1) 2.5+0.1
−0.1 2.4+0.3

−0.3 3.0+0.1
−0.4 2.3+0.1

−0.2 2.6+0.1
−0.2 1.6+0.6

−0.2 2.6+0.1
−0.3 2.4+0.2

−0.1

fv (km/s) 1500+800
−700 1500★ 1000+800

−750 2200+3400
−1300 1500★ 800+750

−500 < 3300 1300+1200
−800

ILOS (10−2) −1.1+0.2
−0.1 −1.5+0.7

−0.5 −1.2+0.2
−0.2 −1.1+0.3

−0.4 −1.1+0.3
−0.4 −0.9+0.1

−0.2 −1.3+0.4
−0.5 −1.5+0.3

−0.3

broadband+abs+em j2/d.o.f. 1135/725 913/724 853/723 886/723 698/723 877/728 867/728 864/727

Flux (0.4-10 keV) � (10−11 erg/cm2/s) 6.34+0.03
−0.04 7.38+0.07

−0.06 5.60+0.09
−0.08 5.90+0.12

−0.07 4.56+0.06
−0.07 4.92+0.09

−0.08 6.45+0.10
−0.10 8.59+0.09

−0.11

★ The parameter is fixed.

to be more blueshifted than others. In addition, the line width of
the 1.2 keV trough is not as broad as that of the 2018 spectrum,
due to the stack effect of the variable feature. Comparing the flux-
resolved results, we notice a decreasing significance of the O vii

and O viii lines and an increasing blueshift of the absorption
feature with the source luminosity, implying the existence of possible
wind-luminosity relations. We thus fit the absorption feature with a
Gaussian model and the parameters are listed in Tab.3. The energy
centroid of the absorption feature increases with the flux and is
highlighted in red in Fig.4. The best-fit parameters for the O viii

emission line are also listed in Tab.3 and depicted in purple in Fig.4,
indicating a slightly increasing blueshift.

3.3 Search for outflows

To study the emission/absorption lines discovered in Sec.3.2, we
employ the physical photoionization model, pion, in the SPEX
package (Kaastra et al. 1996). This code self-consistently calculates

Table 3. Best-fit parameters of an additional Gaussian model over the
continuum model for the absorption feature around 1.2 keV and the O viii

emission line.

Parameter F1 F2 F3

Eabs
rest (keV) 1.160+0.015

−0.016 1.193+0.024
−0.021 1.239+0.022

−0.024

EWabs (eV) 50+19
−13 74+24

−19 73+30
−22

Δj2
abs 40 45 39

Eem
rest (keV) 0.660+0.001

−0.001 0.663+0.004
−0.004 0.663+0.002

−0.001

EWem (eV) 1.4+1.0
−0.7 < 6.4 2.2+1.5

−1.3

Δj2
em 27 7 10

the photoionization equilibrium and synthetic spectra of the gas
irradiated by a given radiation field.
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Figure 4. Similar to the bottom panel of Fig.2 but the scan is performed
on the flux-resolved spectra. The vertical dashed red/purple lines and the
red/purple shadowed areas indicate the position of the centroid of the
absorption/emission feature and the corresponding uncertainty. (see Tab.3).

The intrinsic spectral energy distribution (SED) of Mrk 1044
inputted into pion is derived from the UV to hard X-ray energies.
Due to the stability of the OM flux, we stack the OM spectra and
model it with an additional diskbb component, characterized by a
temperature of 10+21

−6 eV. Such a temperature is relatively low for the

accretion disk around an SMBH with a mass of ∼ 3 × 106 "⊙

(Shakura & Sunyaev 1973), might be explained by the truncated
disk (suggested by the inner radii 'in in relxilllpCp, see Tab.2).
The interstellar extinction (�B−V = 0.031, Marinello et al. 2016) is
also considered. The SED of Mrk 1044 in 2018 is shown in Fig.5
compared with other Seyfert galaxies, where it shares a similar
soft SED with 1H 1934-063. The observed data are shown on
top of the SED, where the deviations from the best-fit SED come
from the removal of the Galactic absorption, redshift, and dust-
reddening components. By measuring the bolometric luminosity
(10−3–103 keV) predicted by the model, !Bol ∼ 1.4 × 1044 erg/s,
we thus estimate the Eddington ratio of Mrk 1044 at _Edd =

!Bol/!Edd ∼ 0.4, adopting a SMBH mass of 2.8×106 "⊙ (Du et al.
2015), where !Edd = 4c�"BH<p2/fT is the Eddington luminosity.
Although our estimated Eddington ratio is slightly different from
the literature (_Edd = 0.59, Grupe et al. 2010), due to the different
masses adopted ("BH = 2.1 × 106 "⊙ , Grupe et al. 2010), it still
implies a high-accretion system and the value is comparable to that
of 1H 1934-063 (_Edd = 0.40+0.91

−0.27 , Xu et al. 2022) calculated from
the same approach.

To take advantage of both the advanced reflection model
(RELXILL), implemented in XSPEC, and the pionmodel in SPEX,
we adopt the code used in Parker et al. (2019) to construct the
tabulated model, which is an XSPEC version of pion, called
pion_xs. In this paper, we only make use of the emission component
of pion (i.e. solid angle Ω = 1, and covering fraction �F = 0),
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Figure 5. The averaged spectral energy distribution of Mrk 1044 in 2018
compared with other Seyfert galaxies (NGC 5548, Mehdipour et al. 2015;
IRAS 13224-3809, Jiang et al. 2018; 1H 0707-495, Xu et al. 2021a; 1H 1934-
063, Xu et al. 2022). The EPIC-pn, RGS, and OM data are shown as well,
where the deviations from the best-fit SED come from the removal of the
Galactic absorption, redshift, and dust-reddening components.

while the absorption component is explained byxabs_xs, transferred
from xabs in SPEX (�F = 1). The pion and xabs models are
characterized by four main parameters, including the column density
#H, the ionization parameter log b, the turbulence velocity fE and
the line-of-sight (LOS) redshift of gas ILOS.

3.3.1 Absorption

To locate the globally best-fit solution of the absorbing gas, we launch
a systematic scan over a multi-dimension grid of the parameters
(log b, ILOS, fE) of xabs_xs, following Xu et al. (2021a, 2022).
The range of log b is 0–5 with a step of Δ log b = 0.1. The grid
of the turbulent velocity fE is the same as that of the Gaussian
line scan (fE = 500, 1500, 4500 km/s). The LOS velocity, ILOS,
ranges from -0.35 to 0, with an increment depending on the choice of
fE (cΔILOS = 500, 700, 1500 km/s for fE = 500, 1500, 4500 km/s
respectively). The scan is performed upon the best-fit model obtained
in Sec.3.1. The column density, #H, and continuum parameters are
left free. The Δj2-statistics improvement is recorded at each grid to
reveal the detection significance of the absorbing gas. One advantage
of the scan is to show the location of all possible solutions in the
parameter space, probably revealing multiphase outflows.

The scan result of the 2018 spectrum is shown in the left panel of
Fig.6, where the best solution is marked with a red cross. Because
of the consistent solutions with different turbulent velocities, we
only present the result with fE = 4500 km/s in this paper, which
has the largest detection significance. The velocity on the X-axis
is the relativistically corrected velocity according to the equation:
E/2 =

√

(1 + ILOS)/(1 − ILOS) − 1. It reveals a strong detection
(Δj2

= 103) of a highly ionized (log b = 3.72) and ultra-fast (ILOS =

−0.15) absorber. If we allow the line width to vary, the solution of
the direct fit (fE ∼ 12000 km/s, #H = 2.3 × 1021 cm−2) is listed
in Tab.2, consistent with our scan result. The contribution of this
absorber to the modeling is visible in the top panel of Fig.7, mainly
around 1.2 keV from blueshifted Fe xxii-xxiv and Ne x, without any
absorption features detected in the EPIC band probably due to its
relatively low column density and the soft SED.

The same scan is also performed for the time-/flux-resolved
spectra, shown in Fig.8, and their best-fit solutions are summarized

MNRAS 000, 1–14 (2023)
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Figure 6. Photoionization absorption (left) /emission (right) model search for the stacked 2018 spectrum of Mrk 1044 over the broadband model. The color
illustrates the statistical improvement after adding an absorption/emission component. The best-fit solution is marked by a red cross.
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Figure 7. The stacked 2018 (first) and flux-resolved (from second to fourth)
RGS spectra (black dots with errors) of Mrk 1044. Each panel contains the
fits with the baseline continuum model (blue) and the continuum plus a
pion_xs and xabs_xs model (red). The rest-frame energies of the relevant
ion transitions are marked by the vertical dashed lines.

in Tab.2. The UFO detection significance in each spectrum is at
least 4f, i.e. Δj2

= 24.5 for 4 degrees of freedom (d.o.f.). We
also calculate the X-ray flux between 0.4 and 10 keV with the cflux
model, presented in Tab.2. The best-fit velocity of T3 is around −0.22

with a narrow line width of < 178 km/s, which is quite different from
the absorber in the other two consecutive observations. The scan
plot reveals another degenerate region below −0.152 with a broad
line width of ∼ 8500 km/s and comparable statistics (Δj2 ∼ 3).
Therefore, to ensure we are tracing the same absorber, we adopt this
slow and broad solution in our analysis.

Among the time-resolved spectra, apart from T4, the ionization
state and column density of the UFO are consistent within their
uncertainties. The velocity of the UFO indicatively has an increasing
trend with the source flux. As for T4, instead of the 1.2 keV feature,
the best-fit solution of T4 explains the blueshifted O viii line around
0.7 keV (see the bottom panel of Fig.3). It means that a completely
different absorber dominates the T4 spectrum, which was observed
one year apart from the others. Although according to the T4 scan
plot, a similar high-ionization and fast region exists with a lower
significance than that of the best fit, that solution is weakly detected
(Δj2/d.o.f. = 13/4) after including a primary absorber and an
emitter (see Sec.3.3.2). Therefore, we do not consider that secondary
absorption component in the following as the constraints on its
parameters are too loose for meaningful discussions.

The flux-resolved spectroscopy is likely to smear/broaden the
variable line features, which may lead to degenerate solutions. To
reduce the influence of this effect, we fix the line width of xabs_xs
at 9000 km/s, the average value of the time-resolved results, although
the trend discovered below remains the same with a free line width.
Among the flux-resolved spectra, we find that a faster, more ionized,
and Compton-thicker plasma tends to appear in a brighter state. The
corresponding contribution of the UFO to the modeling (∼ 1.2 keV)
is shown in Fig.7.

3.3.2 Emission

The same systematic scan is applied to the pion_xs model over the
continuum model to study the photoionization emission component.
The only difference is the searched velocity grid, ranging from 0.1
to −0.1, as we do not find strongly shifted emission lines in the
bottom panel of Fig.2. The scan result of the 2018 spectrum is shown
in the right panel of Fig.6 with a fixed line width of 1500 km/s. It
reveals the highly significant detection (Δj2

= 69) of a blueshifted
(ILOS = −0.011) photoionized emitter with a modest ionization
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Figure 8. Similar to the left panel of Fig.6 but the scan is performed on the time- (T, left) and flux- (F, right) resolved spectra.
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state (log b = 2.5). The statistical improvement shown in Tab.2 is
smaller (Δj2

= 48) than that of the scan because some residuals
fitted by pion_xs in the scan over the continuum model have been
explained by the model including a xabs_xs. The primary emitter is
not as highly ionized as the absorption component (perhaps related
to UFO in T4), since, differently from the absorption component, the
photoionization emission is expected to originate from gas located
at a wide range of distances from the ionizing source, possibly from
large distances. The potential secondary solution (log b > 3.5) is
discussed in Sec.4.

We do not perform the scan over the time-/flux-resolved spectra as
the velocity of the emission component is generally not as variable as
the absorption (e.g. Kaspi et al. 2001; Reeves et al. 2016; Kosec et al.
2021). The best-fit parameters and the contributions of pion_xs to
modeling are shown in Tab.2 and Fig.7 separately. Each solution,
except T1, has at least 3.5f (i.e. Δj2

= 20) detection significance.
The unconstrained line width in T1 and T4 is fixed at 1500 km/s. In
general, the line width of the emission component is narrower than
that of the absorption, consistent with the expectation of less variable
velocity and a larger distance. The column density, ionization state
and velocity of the emitter are stable within their uncertainties among
the time-resolved spectra, while those parameters are tentatively
correlated with the source luminosity in the flux-resolved results.
The velocities are all blueshifted at least more than 2700 km/s. Apart
from F1, the pion_xs model mainly explains the O viii and Fe/Ne
lines around 1 keV, while it models the O vii and O viii lines in F1
spectra (see Fig.7).

4 DISCUSSION

By analyzing the RGS data of a large XMM-Newton campaign on
Mrk 1044 in 2018 and 2019, we find a highly-ionized UFO and a
blueshifted photoionized emitter in the spectra. The UFO detection
confirms the existence of the UFO1 reported in Krongold et al.
(2021) from the 2013 XMM-Newton observation, sharing a similar
ionization state and velocity, although the UFO in their paper
was associated with a fixed narrow profile (fE = 10 km/s). The
reported multi-phase outflow is also marginally supported by the
UFO detected in T4, which has similar parameters to their UFO2
component, although we do not find other cold UFOs like their
UFO3/4 phases in Mrk 1044. The emitter shows a much lower
ionization state and column density than UFO, implying the average
photoionization emission component originates from a different gas
with respect to absorption, while the UFO in T4 perhaps is related to
the emitter due to their similar column density, ionization state, and
turbulent velocity.

In the scan of the photoionization emission model (see the right
panel of Fig.6), we also discover a potential secondary emitter, which
is trying to complement the blue wing of the Fe K emission. The
best fit (Δj2

= 37) of the secondary emitter requires an ultra-
fast (ILOS = −0.12+0.02

−0.02) and highly ionized (log b = 3.7+0.1
−0.2)

plasma with a column density of #H = 3.6+1.8
−1.5 × 1021 cm−2 and

an unconstrained turbulent velocity fixed at fE = 9000 km/s. This
emitter shares common properties with the absorber, indicating the
same origin of the absorption. We plot the stacked 2018 EPIC spectra
and the best-fit model including two emitters in the top panel of Fig.9,
compared with the continuum plus one emitter. The corresponding
data-to-model ratios are shown in the second and third panels.
However, we are concerned about the requirement of this secondary
emitter as the not well-explained Fe K profile might result from the
imbalance between the statistics of the RGS and EPIC data, where
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Figure 9. The stacked 2018 EPIC spectra of Mrk 1044. The fits of the
continuum plus one or two emitter(s) to the RGS+EPIC data are shown in red

dashed and green solid lines, respectively. The fit of the continuum model to
only EPIC data (1.77–10 keV for consistency with other fits) is shown in the
blue line. The corresponding data/model ratios are shown in the following
panels.

the grating data have more bins (a factor of 4) than CCD data and
the model is mainly adjusted to fitting soft X-ray residuals. To test
this possibility, we fit the continuum model to only EPIC data and
show it in Fig.9 as well as the corresponding ratio. Compared with
the results in Tab.2, the continuum model only requires a harder
spectral slope (Γ = 2.16+0.03

−0.02) and explains the blue wing of Fe
emission well, while the other parameters remain unchanged within
uncertainties. In terms of fitting the EPIC data, this continuum model
is much better (Δj2

= 86) than the continuum plus two emitters
fitted to the RGS+EPIC data. It suggests that the additional emission
component is spurious, although we cannot exclude the possibility
of an intervening outflow contributing to a part of the Fe K profile.
Therefore, we tend not to discuss the evolution of the secondary
emitter in the following.

4.1 Evolution of the wind components

In Sec.3.3, we have measured the properties of the absorption and
emission components at different flux levels. To further investigate
the relations between wind properties and source luminosity, we
plot their column density, ionization parameter, and velocity versus
the calculated fluxes in Fig.10. The blueshift of the absorption and
emission feature, measured by the Gaussian model, are included
as well. The absorption line is assumed to come from Ne x
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(Erest = 1.022 keV), while the emission line is O viii (Erest =

0.6535 keV). We fit these parameters with a linear function in a
logarithmic space. The same fit with a slope fixed at unity is also
performed on the ionization parameter to show the expected behavior
in photoionization equilibrium, according to the definition of the
ionization parameter (b ≡ !ion/=H'2 ∝ �ion, where ' is the distance
from the ionizing source to the plasma and =H is the hydrogen volume
density). All of the fits provide positive correlations between wind
properties and the source luminosity.

4.1.1 Absorbing gas

For the absorption component, the Pearson correlation coefficients
of the best-fit values of (#H, �), (log b, �), (E, �), (Egaus, �)
points considering their uncertainties are 0.76, 0.86, -0.86 and -
0.96 respectively (Curran 2014), suggesting a moderate correlation
between (#H, �) and strong correlation among the others. The
Log/Log fits give:

log
#H

1021 cm−2
= (−0.9 ± 0.8) + (1.59 ± 0.98) log(

�0.4−10

10−11
), (1)

log
b

erg cm/s
= (2.96 ± 0.33) + (1.08 ± 0.41) log(

�0.4−10

10−11
), (2)

log
|E |

c
= (−1.12 ± 0.14) + (0.39 ± 0.16) log(

�0.4−10

10−11
), (3)

log
|Egaus |

c
= (−1.40 ± 0.16) + (0.73 ± 0.19) log(

�0.4−10

10−11
). (4)

The best-fit value of the slope in Eq.2 is consistent with one,
which is the expected value through the definition, in spite of the
large uncertainty, indicating that the absorbing gas responds to the
variability of the source radiation instantaneously, which implies a
high volume density. The weakly increasing trend of the column
density is opposite to the relation shown in IRAS 13224-3809
(see Fig.7 in Pinto et al. 2018), where the column density slightly
decreases along with the increasing ionization parameter (log b up
to 6) and luminosity. It means the UFO in Mrk 1044 may have
not been over-ionized, suggested by the modest ionization state
(log b ∼ 3.7 − 4.0), and still require a larger column density to
visualize the absorption features at higher ionization state (e.g. see
Fig. 10 in Pinto et al. 2020).

The positive correlation between the velocity and the X-ray flux
suggests that the wind is radiatively driven, which is also observed in
other high-accretion systems, IRAS 13224-3809 (Pinto et al. 2018)
and PDS 456 (Matzeu et al. 2017). According to Eq.4 in Matzeu et al.
(2017), the net radiative-driven (i.e. radiative minus gravitational
force) outflow should have a dependence between the velocity, the
luminosity !ion and the launching radius 'w,

E/2 ∝ :
1/2
0.4−10!

1/2
0.4−10'

−1/2
w , (5)

where :0.4−10 = !bol/!0.4−10 is the bolometric correction factor.
The relation observed in Mrk 1044 (from xabs_xs instead of the
phenomenological model) is consistent with the power index (0.5) in
Eq.5 within uncertainties, at variance with the results derived from
IRAS 13224-3809 (0.05 ± 0.02) and PDS 456 (0.22 ± 0.04).

4.1.2 Emitting gas

For the emission component, the Pearson correlation coefficients of
the best-fit values of (#H, �), (log b, �), (E, �), (Egaus, �) points
considering their uncertainties are 0.73, 0.68, -0.83, and -0.69,
respectively, suggesting moderate correlations, except for a strong
correlation between (E, �). The fits provide:

log
#H

1020 cm−2
= (−2.8 ± 2.3) + (3.68 ± 2.79) log(

�0.4−10

10−11
), (6)

log
b

erg cm/s
= (−0.49 ± 2.16) + (3.27 ± 2.64) log(

�0.4−10

10−11
), (7)

log
|E |

0.01c
= (−0.68 ± 0.14) + (0.92 ± 0.17) log(

�0.4−10

10−11
), (8)

log
|Egaus |

0.01c
= (−0.57 ± 0.17) + (0.80 ± 0.22) log(

�0.4−10

10−11
). (9)

However, the extremely large uncertainties of the fitted parameters,
except for the velocity-related fits, preclude any authentic conclusions
on the emitting gas. It is also noted that the timescale of the segments
of the flux-resolved spectra, around 3 ks, provides a maximal distance
of ∼ 220 'g for the causally linked correlations, unless the emitting
gas is mainly located along with our LOS, which is rather unlikely
but still possible (given its blueshift). However, the large range of
locations of the emission, suggested by the moderate ionization state,
a low column density, and a narrow line width, will result in a low
coherence between the plasma and the source (Juráňová et al. 2022),
impeding the discovery of correlations. The observed variation of
the velocity is, therefore, only probably contributed by a portion of
the emitting gas near the central region.

4.2 Outflow properties

It is expected that outflows carry out sufficient power to quench or
trigger star formation in their hosts and affect the evolution of galaxies
(e.g. Di Matteo et al. 2005; Hopkins & Elvis 2010; Maiolino et al.
2017; Chen et al. 2022). According to simulations, the deposition of
the kinetic energy larger than 0.5% of the Eddington luminosity into
the ISM is sufficient to produce considerable feedback on the host
galaxy. The kinetic power of UFO can be expressed as:

!UFO =
1
2

¤"outE
2
UFO =

1
2
Ω'2dE3

UFO�V, (10)

where ¤"out = Ω'2dEUFO� is the mass outflow rate; Ω the opening
angle; ' the distance between the ionizing source and UFO; d the
outflow mass density; �V the volume filling factor. The mass density
is defined as d = =H<p`, where =H is the hydrogen number density;
<p the proton mass and ` = 1.2 the mean atomic mass assuming
solar abundances. =H'2 can be replaced by obtained parameters
!ion/b, according to the definition of the ionization parameter (b ≡

!ion/=H'2). We estimate the ionizing luminosity (1–1000 Rydberg)
from the SED presented in Fig.5 at !ion ∼ 3.9× 1043 erg/s and find,

!UFO = 0.5E3
UFO<p`!ionΩ�/b ∼ 5.89 × 1044

Ω�V erg/s (11)

by inputting the results of the UFO obtained in the 2018 spectrum.
Here we adopt a conservative value of the opening angle Ω = 0.3
from the GRMHD simulations of radiative-driven outflows in high-
accretion systems (Takeuchi et al. 2013). The filling factor �V =

7 × 10−3 is derived from Eq.23 in Kobayashi et al. (2018) assuming
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Figure 10. The column density (top), ionization parameter (middle) and velocity (bottom) of the photoionized absorbing (left) and emitting (right) plasmas
versus the unabsorbed X-ray flux for the flux-resolved spectra. The blueshift of the main absorption/emission feature (i.e. Ne x / O viii) measured by Gaussian
is also included, where the corresponding flux is manually shifted for clarity. The linear function fits with (1:1 Log) and without (Log/Log) a slope fixed at unity
are performed in a logarithmic space. See details in Sec.4.1.

that the outflow mass rate is comparable with the accretion mass rate
and the accretion efficiency is [ = 0.1. The conservative value of the
UFO kinetic energy is thus !UFO ∼ 1.54 × 1043 erg/s ∼ 4.4%!Edd,
surpassing the theoretical criterion, suggesting that the UFO in Mrk
1044 is very likely to influence the evolution of the host galaxy.

Based on the hypothesis that the UFO velocity is at least larger
than its escape velocity, we can estimate the lower limit of the
outflow location, ' ≥ 2�"BH/E

2
UFO ≥ 98'g. It provides an upper

limit of the outflow density, =H = !ion/b'
2 < 4.5 × 1012 cm−3.

On the other hand, by using the time-dependent photoionization
model tpho (Rogantini et al. 2022), we simulate the response of
plasma with different densities to the source variability to estimate
the lower limit of the plasma density and further the upper limit
of the outflow location. The duration of the low, middle, and high
states of the source are 3 ks, 1.5 ks, 3 ks respectively, provided by the
timescale of segments of flux-resolved spectra, shown in the top panel
of Fig.11. The time-dependent evolution of the ionic concentration
of predominant absorption lines, i.e., Ne x and Fe xxii-xxiv, are
shown in the lower four panels of Fig.11. Gases with a density above
109 cm−3 respond quickly to the luminosity. If we assume the UFO
in Mrk 1044 responds to the source instantaneously, suggested by
Eq.2, the lower limit of the density is 109 cm−3. The recombination
timescale of the plasma at log b = 3.7 can be evaluated through
the rec_time code in SPEX. For example, the recombination time
of the Fe xxiv line, the predominant line in UFO, is calculated
Crec < 19 s, consistent with our assumption. The volume density of
the UFO is thus estimated between =H = 109–4.5 × 1012 cm−3 and
the corresponding location is ' =

√

!ion/=Hb = 98–6600 'g.

For the emitting gas, we have to adopt another method to derive
the upper limit of its location, since its response to the source is

unconstrained. Through the assumption that the plasma thickness is
smaller than its distance to the source, Δ' = #H/�V=H ≤ ', the
upper limit of the location can be estimated, ' ≤ �V!ion/b#H ≤

7.8×106 'g. The lower limit could be calculated by the same method
for absorbing gas, based on the same assumption of ELOS ≥ Eesc,
at > 1.2 × 104 'g. However, since the emission comes from a wide
range of distances, the observed velocity is an averaged value and
may not be representative of the escape velocity of the emitting gas
close to the center. If we assume the emitting gas shares the same
origin with the UFO detected in T4, the lower limit of the location
can be estimated at > 320 'g, close to the maximal distance of the
causal connection. Our constraints on the location of the emission
components are rather loose and span the whole range of distances,
3×102–7.8×106 'g, from the accretion disk to the interface between
the outer disk and the broad line region (BLR), which scales with the
black hole mass or Eddington ratio. The range of the corresponding
density is 1.2 × 104–7 × 1011 cm−3.

4.3 Comparison with other AGN

By comparison with UFOs discovered in other AGN, the ionization
state (log b ∼ 3.7) and the velocity (E ∼ 0.152) of the UFO
in Mrk 1044 are typical (log b ∼ 3–6, E ∼ 0.08–0.32, e.g.
Nardini et al. 2015; Kosec et al. 2020; Parker et al. 2021; Xu et al.
2021a; Matzeu et al. 2022a). The column density (#H ∼ 2.3 ×

1021 cm−2) is not as thick as typical UFOs discovered from Fe K
absorption feature (log(#H/cm−2) ∼ 22–24). However, the low
column density is common in UFOs detected in the soft X-ray
band (e.g. Longinotti et al. 2015; Pounds et al. 2016; Xu et al. 2022).
Alternatively, another potential explanation is the relatively low
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Figure 11. Top panel: The input light curve that we expect in Mrk 1044
(an approximation) for the tpho model. The low state corresponds to the
luminosity of F1 and the high state to the luminosity of F3. The duration
of the low state, the middle, and the high state are 3 ks, 1.5 ks, and 3 ks
respectively, which are the average timescale of the segments of the flux-
resolved spectra. Middle and Botton panels: The time-dependent evolution of
the concentration relative to hydrogen of Ne x and Fe xxii-xxiv for different
gas densities and are compared with the ionic concentrations for a plasma in
photoionization equilibrium (black stars).
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Figure 12. The velocity of the emission lines versus the estimated Eddington
ratio of Type 1 AGN. See more details in Sec.4.3.

inclination angle of Mrk 1044 (8 ∼ 34◦) that we are therefore viewing
a narrower wind region.

The correlation between the velocity of the UFO and the source
luminosity is consistent with the phenomenon observed in PDS
456 (Matzeu et al. 2017) and IRAS 13224-3809 (Pinto et al. 2018),
while different from 1H 0707-495 (Xu et al. 2021a). The reason
might come from their different Eddington ratios, as the former
three (PDS 456, _Edd ∼ 0.77, Nardini et al. 2015; IRAS 13224-
3809, _Edd = 1–3, Alston 2019; Mrk 1044, _Edd ∼ 0.4) are not so
highly accreting as 1H 0707-495 (_Edd > 0.7, Xu et al. 2021a, or
_Edd = 140–260, Done & Jin 2016) of which the structure of the
accretion flow does not significantly deviate from the standard thin
disk model (Shakura & Sunyaev 1973).

Blue-shifted emission lines are rarely observed in AGN. To our
knowledge, among Type 1 AGN, only four sources (1H 0707-
495, Xu et al. 2021a; ESO 323-G077, Jiménez-Bailón et al. 2008;
NGC 4151, Armentrout et al. 2007; NGC 7469, Grafton-Waters et al.
2020) reveal blueshifted emission lines, as well as the partially
absorbed emission lines in NGC 4051 (Pounds & Vaughan 2011).
Given the fact that blueshifted emission lines were also found in some
Ultra-luminous X-ray (ULX) sources (e.g., NGC 55 ULX and NGC
247 X-1, Pinto et al. 2017, 2021; Kosec et al. 2021), we propose that
blueshifted emission lines are related to high accretion rates and plot
the blueshift of emission lines versus the Eddington ratios in Fig.12
(Jiménez-Bailón et al. 2008; Edelson et al. 2017; Mehdipour et al.
2018; Xu et al. 2021a; Yuan et al. 2021). The Eddington ratio of 1H
0707-495 is assumed at its lower limit, 0.7, as we cannot constrain the
upper limit and only know it is a super-Eddington AGN. The Pearson
coefficient is 0.87, suggesting they are highly correlated. The linear
fit gives:

EEM (km/s) = (11560 ± 1756)_Edd + (170 ± 240). (12)

Although the fit seems to strongly support our hypothesis, due to
the small size of the sample and the uncertainty on the _Edd, we
are unable to confirm that correlation. The reason why there are no
blueshifted emission lines in other high-Eddington AGN is probably
a too-strong continuum, washing out the lines, or the small viewing
angle close to face-on. The validation of this correlation requires a
systematic analysis like what we have done in this paper on a large
sample of AGN at different accretion rates.
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Figure 13. The data/model ratio for the XRISM/Resolve (middle, 100 ks) and
ATHENA/X-IFU (bottom, 10 ks) spectrum, simulated by the best-fit model
obtained in Sec.3.3, with the respect to the baseline continuum model. The
ratio for the stacked 422 ks XMM-Newton 2018 spectrum is presented in the
top panel for comparison.

4.4 Future Mission

Future missions with unprecedented spectral resolution and effective
area will provide incredible constraints on the nature of UFOs. Their
large effective area will collect sufficient photons for spectroscopy
within a short timescale, thus avoiding the risk of spectral broadening
due to the flux-resolved spectroscopy. We will be able to trace the
variability of UFO properties at different flux levels and put tighter
constraints on the region of outflows through the variability (Δ' =

2ΔC).
We, therefore, simulate spectra for the X-Ray Imaging and

Spectroscopy Mission (XRISM, Tashiro et al. 2018) and the
Advanced Telescope for High-Energy Astrophysics (ATHENA,
Nandra et al. 2013) based on the best-fit model obtained in Sec.3.3.
The data/model ratios with respect to the continuum model are
shown in the middle and bottom panel of Fig.13 and that of the
stacked XMM-Newton 2018 spectrum is presented in the top panel for
comparison. Compared with the detection significance of an outflow
and an emitter in XMM-Newton spectrum (Δj2

= 203), we find
XRISM provides a comparable statistical improvement (Δj2

= 205)
with a quarter of XMM-Newton exposure time (100 ks), while
ATHENA can reach a much stronger detection (Δj2

= 1020) within
over one order of magnitude fewer exposure time (10 ks).

Furthermore, the huge spectral resolution is likely to resolve the
line profile, which conceals the information about the launching
mechanism. According to Fukumura et al. (2022), the outflows
driven by radiative lines have an asymmetric line shape of an
extended red wing, while those driven by magnetic fields have a blue-
extended wing. Such a difference is able to be distinguished with
high-resolution missions. Therefore, given these two benefits, it is
promising to deepen our understanding of AGN outflows and identify
the UFO launching mechanism with future missions. Moreover, an
emulation method recently developed by Matzeu et al. (2022b) can
be applied to efficiently model the spectral data from future missions,

which have the capability to collect photons orders of magnitude
larger than that of current facilities.

5 CONCLUSIONS

In this work, through the time- and flux-resolved X-ray spectroscopy
on four XMM-Newton observations of Mrk 1044, we investigate
the dependence of the wind properties on the source luminosity.
We find that the absorbing gas quickly responds to the source
variability, suggesting a high-density plasma (=H ∼ 109–4.5 ×

1012 cm−3). Furthermore, the UFO velocity is correlated with the X-
ray luminosity, suggesting that the UFO in Mrk 1044 is accelerated
by the radiation field. The emitting gas is located at a large range of
distances from the SMBH and shows a blueshift of 2700–4500 km/s.
By comparing with the discovered blueshifted emission lines in other
AGN, we propose that the blueshift of emission lines is probably
correlated with the source accretion rate, which can be verified with
a large sample study. Our simulations demonstrate that the nature of
AGN winds will be promisingly unveiled by future missions due to
their large effective area and high spectral resolution.
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ABSTRACT
One important source of systematics in galaxy redshift surveys comes from the estimation of the galaxy window function. Up
until now, the impact of the uncertainty in estimating the galaxy window function on parameter inference has not been properly
studied. In this paper, we show that the uncertainty and the bias in estimating the galaxy window function will be salient for
ongoing and next-generation galaxy surveys using a simulation-based approach. With a specific case study of cross-correlating
Emission-line galaxies from the DESI Legacy Imaging Surveys and the Planck CMB lensing map, we show that neural network-
based regression approaches to modelling the window function are superior in comparison to linear regression-based models.
We additionally show that the definition of the galaxy overdensity estimator can impact the overall signal-to-noise of observed
power spectra. Finally, we show that the additive biases coming from the window functions can significantly bias the modes of
the inferred parameters and also degrade their precision. Thus, a careful understanding of the window functions will be essential
to conduct cosmological experiments.

Key words: methods: statistical – cosmology: observations – cosmological parameters

1 INTRODUCTION

The matter density field encodes critical cosmological information
pertaining to cosmological properties and the dark sector. As ob-
servers, we are interested in measuring statistics of this field as a
function of redshift. Galaxy redshift surveys use galaxies as tracers
of the matter density field to measure these statistics. The galaxy
redshift surveys count the number of galaxies in different patches of
the sky and measure the clustering of the galaxy overdensity field,
which can then be translated to the underlying matter density field
assuming models of galaxy-dark matter connection, known as the
galaxy bias. Thus, from an observer’s point of view, measuring the
true galaxy clustering is one of the few observables that allows us
to probe cosmological models. But observational effects, such as
Galactic extinction, seeing conditions, telescope response at various
wavelengths, and the survey geometry, can modulate the true galaxy
number count. Hence, if we do not understand how these observa-
tional effects impact the true galaxy number count, it can lead to
a biased measurement of the underlying matter density field, and
by extension lead to the incorrect measurements of cosmological
parameters (Huterer et al. 2013; Thomas et al. 2011).
The galaxy window function is a way to encode such observa-

tional systematics and the survey geometry; it can be thought of as a
weighting function that tells us how the true galaxy number count is
beingmodulated as a function of right ascension and declination (and
redshift if measuring 3D clustering) on the sky. Since the window
function depends entirely on observational effects, the detector and

★ E-mail: tanveer.karim@cfa.harvard.edu (TK)

the survey geometry, we cannot determine the window function from
first principles. Consequently, it must be modelled carefully using
templates to null out its effects. While the conventional approach
is to make a point estimate of the window function by regressing
over the templates (Elvin-Poole et al. 2018; Ross et al. 2012), such
an approach fails to take into account the inherent uncertainty in
estimating the window function and its variance. Especially as we
enter the era of sub-per cent level precision cosmology, it has become
critical to assess whether the variance and uncertainty in estimating
the galaxy window function can be one of the leading sources of
systematic errors.
This paper aims to address this question with the help of Gaussian

mocks of the galaxy overdensity field and the galaxy window func-
tion. We specifically model how additive and multiplicative biases
in estimating the window function can impact cosmological parame-
ters such as the amplitude of the matter power spectrum, 𝐴𝑠 , and the
galaxy linear bias, 𝑏0. We investigate this problem with a case study
of the cross-correlation of Emission-line galaxies (ELGs) from the
DESI Legacy Imaging Surveys and the Planck CMB lensing. This
question is especially timely because in recent years, a persistent mild
tension in the amplitude of the matter power spectrum, known as the
𝜎8 tension, has appeared in the literature (Di Valentino et al. 2021).
Specifically, the measurements of the amplitude based on CMB data
(Planck Collaboration et al. 2020a; Aiola et al. 2020) is at 2 − 3𝜎
tension with low-redshift probes such as weak lensing, cosmic shear,
cluster counting, redshift-space distortions (RSD), full-shape power
spectrum and cross-correlation of large-scale structure with CMB
lensing (For a detailed discussion, refer to Section V of Abdalla
et al. (2022)). We seek to address this important problem by cross-

© 2023 The Authors
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correlating the largest catalogue of emission-line galaxies (ELGs),
the DESI Legacy Imaging Surveys, and thePlanckCMB lensingmap
in a companion paper (Karim et al. 2023). While the mild tension
could point towards the evidence of "new physics", it is also possible
that the tension can be explained away by accounting for previously
unaccounted systematics. Thus, this paper provides a pathway for our
companion paper, as well as future cosmological survey papers, to
consider a new source of systematic uncertainties. While this paper
specifically focuses on the angular clustering of galaxies and galaxy-
CMB lensing, these ideas can be extended to full 3D clustering and
will be explored in a future paper with DESI spectroscopic data.
We specifically try to answer the following three questions in this

paper:

• Howmuch does the bias and the variance of thewindow function
impact parameter inference?

• Are linear regression-based approaches to estimating the win-
dow function sufficient?

• Howmuch (if any) does the definition of the galaxy overdensity
field estimator affect inference?

To answer these questions, the paper is organized as follows. In
Section 2, we discuss the definition and mathematical formalism of
the window function. We also discuss how the definition of the win-
dow function can affect the galaxy overdensity map estimator, 𝛿𝑔.
Section 3 describes the data we used for our analysis, and Section 4
discusses two different approaches to modelling the galaxy window
function, namely the linear regression method and the neural net-
work method. In Section 5 we describe the procedure to generate the
mocks used in this analysis. Section 6 discusses our key findings,
specifically why a neural network-based approach to modelling the
galaxy window function is superior to a linear regression approach,
as well as comparisons of how the different definitions of the win-
dow function affect the power spectra measurement and parameter
inference. Finally, in Section 7 we provide a summary of this paper
and contextualise our findings in the context of ongoing and future
surveys.

2 WINDOW FUNCTION

Angular clustering of galaxies can be measured either by counting
pairs or by discretising the sky into pixels and then measuring the
clustering of the effective galaxy overdensity field values coming
from each of those pixels. In this paper, we focus on the latter ap-
proach and use the commonly used pixelization scheme, healpix
(Górski et al. 2005; Zonca et al. 2019). This approach effectively
treats each pixel as having the same weight when measuring the
power spectra. However, foreground artefacts, e.g., Galactic extinc-
tion, may affect the survey footprint non-uniformly and lead to a
systematic undercounting of the overdensity field. For example, a
faint galaxy may not get observed if it is in a pixel closer to the
Galactic Plane due to extinction. Hence, we need a mechanism to
quantify the weights of a given survey pixel.
The galaxy window function (hereafter window function or 𝑊𝑔)

is a weighting function that quantifies the mean number of galaxies
expected to be observed if the Universe was unclustered, by regress-
ing over systematics template maps. It captures and encodes two
different effects – the survey geometry (or the mask) and the obser-
vational effects present within the survey footprint. Note that while
our discussion in this paper is limited to angular clustering, it can
be extended to full 3D treatment for spectroscopic or tomographic
surveys.

Because of the observational effects and survey geometry, the
measured angular clustering from the sky is a convolution of the
underlying clustering signal coming from Large-Scale Structures
and the window function. Thus, when it comes to cosmological
analysis, one must model the window function carefully to deproject
its contribution from the measured angular clustering (or forward
model its contribution).
Typically the actual observable that an observer measure is the

number of galaxies per pixel. The observer then has to convert the
raw number count to a galaxy overdensity field which is used to
measure clustering. In Section 2.1 we discuss how the overdensity
field, 𝛿𝑔, is estimated in the presence of a window function.

2.1 Mathematical Formalism

The galaxy overdensity field, 𝛿𝑔, is estimated using the discretized
number counts per pixel that are used in the actual power spectrum (or
higher-order statistics) analysis. However, as the actual observation
is affected by the window function, the estimator needs to account
for the window function either implicitly or explicitly. The former
approach has been used extensively in past surveys (Ross et al. 2012;
Elvin-Poole et al. 2018).
In the explicit approach, the estimator of the galaxy overdensity

field, 𝛿𝑔, accounts for both the window function, 𝑊𝑔, and the true
galaxy overdensity field, 𝛿𝑔. Since in real space, this corresponds to
the multiplication of the galaxy window function with the true over-
density field, the explicit (or windowed) estimator measures (Singh
2021):

𝛿𝑔,𝑊 (𝑥) = 𝑊𝑔 (𝑥)𝛿𝑔 (𝑥) (1)

In contrast, in the implicit approach, the observed overdensity map
is divided by the estimated window function to remove its effects.
This can be thought of as dividing the windowed estimator from
Equation 1 by the window function, such that:

𝛿𝑔 (𝑥) = 𝛿𝑔 (𝑥) (2)

However, in this approach, the mask (or the survey geometry)
still needs to be accounted for and the final mask needs to be more
conservative to remove pixels where the window function is small.
Note that in a real survey, we also have to account for the galaxy

shot noise. For an all-sky survey with an average number of galaxies
per pixel, �̄�𝑔, the shot noise power spectrum is given by,

𝑁
𝑔𝑔

ℓ
=
1
�̄�𝑔

(3)

However, in the presence of galaxy windows and masks, the con-
tributions of the shot-noise in 𝛿𝑔 (𝑥) for the implicit and explicit
approaches are given as (Singh 2021):

〈𝛿2𝑁 〉(𝑥) =
[
1

𝑊𝑔 (𝑥)

]
𝑁
𝑔𝑔

ℓ
(4)

〈𝛿2𝑁 ,𝑊 〉(𝑥) = 𝑊𝑔 (𝑥)𝑁𝑔𝑔

ℓ
(5)

where, 〈𝛿2
𝑁
〉(𝑥) denotes the ensemble average of the square of the

noise map realizations, and𝑊𝑔 (𝑥) = 1 by construction. Notice that
Equations 4 and 5 refer to the ensemble average of the square of the
galaxy window function noise. Thus, to obtain the noise estimates,
we have to take the square root of the right-hand sides. Furthermore,
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the left-hand side refers to the ensemble averages. However, when
we consider realizations, the noise power spectra on the right-hand
side refer to realizations of all-sky noise maps whose power spectra
are Equation 3.
Therefore, if an all-sky realization of the shot-noise power spectra,

𝑁
𝑔𝑔

ℓ
is given by 𝛿𝑁𝑔 (𝑥), the implicit and the explicit approaches are

in reality measuring:

𝛿𝑔 (𝑥) = 𝛿𝑔 (𝑥) + 𝛿𝑁𝑔 (𝑥)

√︄[
1

𝑊𝑔 (𝑥)

]
(6)

𝛿𝑔,𝑊 (𝑥) = 𝑊𝑔 (𝑥)𝛿𝑔 (𝑥) + 𝛿𝑁𝑔 (𝑥)
√︃
𝑊𝑔 (𝑥) (7)

One should note that due to Jensen’s inequality,
[

1
𝑊𝑔 (𝑥)

]
≥

𝑊𝑔 (𝑥), the explicit estimator is less noisy than the implicit estimator
in the shot-noise dominated regime.

2.2 Pseudo-𝐶ℓ framework

The angular power spectra, 𝐶ℓ , can be calculated analytically from
a cosmological model if the redshift kernel of the tracer is known
(Limber 1953). From the observation side, the same power spectra
can be measured from an all-sky survey. Thus, if one could observe
the full sky, then inference on cosmological parameters would be
trivial.
However, the presence of the window function and the survey

mask complicates this analysis. The window function induces mode
coupling in the observed power spectra, which is also known as the
pseudo-𝐶ℓ or 𝐷ℓ . While 𝐶ℓ measures the variance of the underly-
ing overdensity field, 𝐷ℓ measures the variance of the estimators
described in Equations 6 and 7, depending how one assigns weights
to the map. The relationship between 𝐶ℓ and the estimator of 𝐷ℓ are
given by (Hivon et al. 2002):

𝐷ℓ = 𝑀ℓℓ′𝐶ℓ′ (8)

where, 𝑀ℓℓ′ is the mode coupling matrix. The coupling matrix is
given by,

𝑀ℓ,ℓ′ =
(2ℓ′ + 1)
4𝜋

∑︁
ℓ′′

𝑊ℓ′′ (2ℓ′′ + 1)
(
ℓ ℓ′ ℓ′′

𝑠1 −𝑠1 0

)
×

(
ℓ ℓ′ ℓ′′

𝑠2 −𝑠2 0

)
(9)

where 𝑊ℓ′′ is the angular power spectra of the window function,
𝑠1, 𝑠2 are the spins of the two tracers being correlated to measure
𝐷ℓ , and the expression in the parenthesis on the right are the Wigner
3-j symbol (Wigner 1993). For galaxies and CMB lensing, the tracer
spin values are 0. This effectively shows that power from small scales
can leak into large scales and mischaracterization of the window
function can lead to a biased estimate of the underlying cosmology,
even if the analysis is not focused on the largest scales. Note that here
we assume that the survey geometry or mask and the tracer fields
are uncorrelated. If there is a correlation, then a modification of the
couplingmatrix equation can bemodified appropriately (Surrao et al.
2023). Even in such cases, the arguments put forward in this paper
can be similarly used.
While in theory, one can estimate 𝐶ℓ by inverting Equation 8, in

practice, this leads to a lossy estimate, especially in the presence of a
noise power spectra with a large amount of power at high multipoles,

e.g., the CMB lensing noise power spectra. Thus, forward modelling
the 𝐷ℓ from the underlying cosmology can be a more robust way
of measuring cosmological parameters. As a result, in the rest of
the paper we measure the observed 𝐷ℓ from mocks and compare it
against forward modelled 𝐷th

ℓ
to do our inference analysis.

2.3 Impact of Bias and Variance of the Window Function

As discussed in Section 2.1, there are two ways of accounting for
the galaxy window function when estimating the galaxy overdensity
field. We can use either of these approaches to measure the galaxy
overdensity field if we know the exact form of the galaxy window
function. But in reality, the underlying true galaxy window function
is never known, but estimated. This raises an important question –
how do the bias and variance of the window function estimator affect
the galaxy overdensity estimator, and ultimately the cosmological
parameters of interest?
We investigate this question by explicitly modelling the additive

and multiplicative biases of the window function, as well as the vari-
ance of the window using a simulation-based approach (Section 5.1).
Modelling of the additive and multiplicative biases is important be-
cause even if we understand the foreground artefacts or imaging
systematics exactly, the estimation of the window function from the
foreground artefact maps is a non-trivial task and can result in some
errors. This error could have both an additive component, i.e., the
estimated window function is shifted from the true window function
by a certain value per pixel, and it could also have a multiplicative
component, i.e., the estimated window function is scaled by a certain
value per pixel with respect to the true window function.
Let us assume that𝑊𝑔,𝑡 is the true window function and𝑊𝑔,𝑒 is an

estimation of the window function based on foreground systematics
template maps. For the explicit approach, we can thenmodel the true,
multiplicative-biased, and additive- and multiplicative-biased galaxy
overdensity estimators as:

𝛿𝐴𝑔,𝑊 (𝑥) = 𝑊𝑔,𝑡 (𝑥)𝛿𝑔 (𝑥) + 𝛿𝑁𝑔 (𝑥)
√︃
𝑊𝑔,𝑡 (𝑥) (10)

𝛿𝐵𝑔,𝑊 (𝑥) = 𝑊𝑔,𝑒 (𝑥)𝛿𝑔 (𝑥) + 𝛿𝑁𝑔 (𝑥)
√︃
𝑊𝑔,𝑒 (𝑥) (11)

𝛿𝐶𝑔,𝑊 (𝑥) = 𝑊𝑔,𝑒 (𝑥)
(
1 + 𝛿𝑔 (𝑥)

)
+ 𝛿𝑁𝑔 (𝑥)

√︃
𝑊𝑔,𝑒 (𝑥) −𝑊𝑔,𝑡 (𝑥)

(12)

where A, B, and C are the labels for these models. As 𝑊𝑔,𝑒 ap-
proaches 𝑊𝑔,𝑡 , Equations 11 and 12 approach Equation 10. In the
case of Equation 11, the modulation of 𝛿𝐵

𝑔,𝑊
(𝑥) with respect to

𝛿𝐴
𝑔,𝑊

(𝑥) denotes what is the multiplicative bias effect because cor-
recting for the multiplicative bias effectively means rescaling the
right-hand side of Equation 11. On the other hand, Equation 12 con-
tains both the right-hand side from Equation 11 and an additional
term of 𝑊𝑔,𝑒 (𝑥) − 𝑊𝑔,𝑡 (𝑥). This extra term is the additive bias
because it is the additional additive component in Equation 12. If
𝑊𝑔,𝑒 (𝑥) were exactly equal to𝑊𝑔,𝑡 (𝑥), then this term would vanish
and we would get back the usual Equation 10.
Following a similar reasoning, for the implicit approach, wemodel

the true, multiplicative-biased, and additive- and multiplicative-
biased galaxy overdensity estimators as:
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𝛿𝐷𝑔 (𝑥) = 𝛿𝑔 (𝑥) + 𝛿𝑁𝑔 (𝑥)

√︄[
1

𝑊𝑔,𝑡 (𝑥)

]
(13)

𝛿𝐸𝑔 (𝑥) =
𝑊𝑔,𝑒 (𝑥)
𝑊𝑔,𝑡 (𝑥)

𝛿𝑔 (𝑥) + 𝛿𝑁𝑔 (𝑥)

√︃
𝑊𝑔,𝑒 (𝑥)
𝑊𝑔,𝑡 (𝑥)

(14)

𝛿𝐹𝑔 (𝑥) =
𝑊𝑔,𝑒 (𝑥)
𝑊𝑔,𝑡 (𝑥)

(
1 + 𝛿𝑔 (𝑥)

)
+ 𝛿𝑁𝑔 (𝑥)

√︃
𝑊𝑔,𝑒 (𝑥)
𝑊𝑔,𝑡 (𝑥)

− 1 (15)

where D, E, and F are the labels for thesemodels. These equations are
obtained by dividing Equations 10 – 12 by𝑊𝑔,𝑡 (𝑥) as in the implicit
approach we divide out the effect of the galaxy window function
from the estimator. Again, we see that as 𝑊𝑔,𝑒 approaches 𝑊𝑔,𝑡 ,
Equations 14 and 15 approach Equation 13. Note that in reality, an
observer can only measure either Equation 12 or 15.
But, we also include variants expressed in Equations 10 and 13

to showcase what our best performance could be if there was a way
to know the true galaxy window function. These variants define the
benchmark for the best performance and allow us to compare the
impact of additive and multiplicative biases. Similarly, we include
variants expressed in Equations 11 and 14 to understand how much
of an impact multiplicative biases have on the estimators, if we knew
the amount of additive bias a priori. Comparing Equations 11 to
12 or Equations 14 to 15 enables us to isolate the contributions of
multiplicative biases from additive biases.
Thus, if we generate Gaussian realization of the same underlying

cosmology, and apply these various definitions, we can then use our
simulation-based approach to explicitly quantify how much these bi-
ases impact cosmological inference as well as answer which of the
two approaches increases the overall signal-to-noise. Additionally,
we can also investigate two popular choices of the galaxy window
function estimator (detailed discussion in Section 4 – linear regres-
sion and neural network, to assess which method reduces the overall
bias and variance the most.

3 DATA

We use two different surveys and their cross-correlation measure-
ments to understand the impact of the galaxy window function esti-
mation. These surveys are described in detail below.

3.1 DESI Legacy Imaging Surveys DR9 Catalogue

The DESI Legacy Imaging Surveys is a combination of three pho-
tometric surveys – the Dark Energy Camera Legacy Survey (DE-
CaLS), the Beĳing-Arizona Sky Survey (BASS) and the Mayall 𝑧-
band Legacy Survey (MzLS). Together, they cover ∼ 14000 deg2
of the northern hemisphere sky in 𝑔 𝑟 and 𝑧 optical bands and four
additional infrared bands (Dey et al. 2019). The DESI Legacy Imag-
ing Surveys serves as the input catalogue for the DESI target se-
lection algorithms; as all DESI targets are pre-selected, the DESI
target selection algorithms require good photometry to determine
which objects will meet the DESI science goals. Thus, all the DESI
emission-line galaxies targets form a subset of all the emission-line
galaxies observed in the DESI Legacy Imaging Surveys.
Because the DESI spectroscopic survey relies on the DESI Legacy

Imaging Surveys for target selection, it inherits all the associated
imaging systematics and target density systematics from the Legacy
Surveys. Hence, understanding imaging systematics and the galaxy

window function is important not only for any DESI Legacy Imaging
Surveys specific science analysis but also critical for any future DESI
analysis. In total, the DESI Legacy Imaging Surveys Data Release 9
(DR9) catalogue contains ∼ 22 million ELGs (after applying colour
and magnitude cuts) spanning ∼ 40% of the sky.
For this paper, we use the DR9 dataset1. The colour selection of

the ELGs is described in detail in Karim et al. (2023).

3.2 Planck CMB Lensing Map

To generate Planck CMB-like mocks, we use the mask and the noise
model of the 2018 data release2 (Planck Collaboration et al. 2020b).
The CMB lensing map traces the distortion of the CMB photons
along the line of sight as they encounter the gravitational potential of
masses. Depending on the geometry between the surface of the last
scattering and the observer, the gravitational potential canmagnify or
suppress the CMB photons, distorting the observed temperature and
polarizationmeasurements.We use the noisemodel from the SMICA
DX12 CMBminimum-variance estimate maps and obtain it from the
com_lensing_4096_r3.00 dataset. This dataset provides the noise
model up to ℓmax = 4096. Note that Planck provides their data
in the Galactic Coordinate System, while we perform our analysis
in the Equatorial Coordinate System. Thus, we rotate the Planck
mask from the Galactic Coordinate System to Equatorial Coordinate
System before using it.

4 MODELLING GALAXY WINDOW FUNCTION

The Galaxy window function is derived by modelling the observed
number count of galaxies in pixel i, 𝑛𝑔,𝑖 , given a set of imaging sys-
tematics maps, s𝑖 . The underlying cosmological signal is assumed to
not correlate with foreground imaging maps, and thus the regression
analysis returns the window function that encapsulates large-scale
spurious fluctuations caused by varying imaging foreground system-
atics. As this is essentially a regression problem, we investigate both
the linear regression and the neural network method.While the linear
regression method makes the result interpretable, the neural network
approach can map any non-linearities that may exist between the
background large-scale structure and the foreground imaging sys-
tematics.
In our analysis, maps of imaging properties are produced in

healpix with nside=1024 from the catalogue of random galax-
ies with similar angular masking, and include galactic extinction
(Schlegel et al. 1998), stellar density (Gaia Collaboration et al. 2018),
and the galaxy depth, point spread function (PSF) depth, and the PSF
size in three optical bands, i.e., r, g, and z. Thus, we have a total of
11 foreground systematics maps.
We find that although the DESI Legacy Imaging Surveys

pipeline tried to uniformize the photometry of the distinct regions
(BASS/MzLS, Northern DECaLS and Southern DECaLS) as much
as possible, the difference between the regions is still apparent. Fig-
ure 1 shows the Pearson correlation coefficient (PCC) between the
ELG number density and the foreground systematics maps in the
three regions; the horizontal shades are 100 bootstrapped realiza-
tions. If there were no foreground systematics effects, then the PCC
would have been zero everywhere. However, the differences in the
correlation in the three regions indicate that the window functions

1 https://www.legacysurvey.org/dr9/
2 http://pla.esac.esa.int/pla/
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Figure 1. Pearson’s correlation coefficients between the DESI ELG density
field and imaging properties in the BASS/MzLS, DECaLS North, and DE-
CaLS South footprints, respectively from top to bottom. The horizontal shade
illustrates the range of variations in 100 Bootstrapped realizations.

have to be modelled separately in the three regions first, before com-
bining them together. We combine them by normalizing their pre-
dicted mean density with a global mean.

4.1 Regression of ELG Density

The modelling is performed with a neural network (see, 4.1.2) and
a linear multivariate model (see, 4.1.1) as the baseline approach
for benchmarking. The parameters of each model are trained by
minimizing the negative Poisson log Likelihood as loss function 𝐽
(see, e.g., Rezaie et al. 2021),

𝐽 =
∑︁
𝑖

𝑓pix,𝑖 [ 𝑓pix,𝑖Y𝑖 − 𝑛𝑔,𝑖 log( 𝑓pix,𝑖Y𝑖)] (16)

where Y𝑖 ≡ Y(s𝑖 |Θ) represents the modelled galaxy window func-
tion in pixel 𝑖 and 𝑓pix,𝑖 describes survey completeness in pixel 𝑖,
regardless of imaging effects, and is determined from projecting a
catalogue of random galaxies onto healpix.

4.1.1 Linear Regression based approach

Our first approach uses linear regression to model the galaxy win-
dow function. We use the likelihood defined in Eq. 16 with the
Markov Chain Monte Carlo (MCMC) sampler, emcee (Foreman-
Mackey et al. 2013), to probe the parameter space of a linear model,

Y(s𝑖 |Θ) = log
1 + exp

𝑐 +
∑︁
𝑗

\ 𝑗

(
𝑠𝑖, 𝑗 − ` 𝑗

𝜎𝑗

)
 , (17)

where 𝑐 is the intercept, 𝑠𝑖, 𝑗 is the 𝑗’th imagingmap in pixel 𝑖, and ` 𝑗

and 𝜎𝑗 are respectively its estimated mean and standard deviation.
We use flat priors for all parameters and initialise 400 MCMC chains
for 1000 steps, 400 of which are left aside as the burn-in phase.
We then randomly sample 1000 points in the parameter space to
generate the ensemble of linear window functions. The posterior of
some of the linear model parameters are shown in Figure 2. Note
that Equation 17 is technically a soft-plus function to ensure that the
output is always positive, and that this function is better suited for
Poisson processes. If the argument in the exponential is large, then
this function reduces to a linear model (or to zero if the argument is
small). Thus, we use the term "linear model" to refer to this soft-plus
function.

4.1.2 Neural Network based approach

Next, we use a neural network-based regressor to model the galaxy
window function. The rationale behind using a neural network regres-
sor is that, unlike a linear model, a neural network model can capture
non-linear mapping between the foreground systematics maps and
the galaxy window function.
The architecture of our feed-forward neural network has three

hidden layers and 20 neurons on each layer. The input layer takes
11 imaging properties and the output layer is composed of a single
neuron which returns galaxy window functionY. In the feed-forward
architecture, the value of neuron 𝑚 in layer 𝑙, 𝑎𝑙𝑚, is related to the
values from layer 𝑙 − 1 via,

𝑎𝑙𝑚 = 𝑓 (𝑐𝑙𝑚 +
∑︁
𝑗

\𝑙𝑚, 𝑗𝑎
𝑙−1
𝑗 ) (18)

where 𝑐𝑙 and \𝑙 are the bias and weight parameters associated to
layer 𝑙, and 𝑓 is the activation function used in the neuron. Specif-
ically, we have 𝑓 (𝑢) = 𝑚𝑎𝑥(0, 𝑢) in the hidden layer neurons and
𝑓 (𝑢) = log(1 + exp(𝑢)) in the last layer neuron. Imaging properties
are propagated to the galaxy window function via the recursive rela-
tion in Eq. 18. The parameters Θ, which includes biases and weights
for all layers, are trained iteratively (Loshchilov & Hutter 2017),

Θ𝑡+1 = Θ𝑡 − [𝑡
𝑚𝑡+1√
a𝑡+1 + 𝜖

, (19)

where 𝜖 = 10−8. The first and second moments of the cost func-
tion gradient, 𝑚𝑡 and a𝑡 , are both initialised as zero and changed
iteratively via,

𝑚𝑡+1 = 𝛽1𝑚𝑡 + (1 − 𝛽1)∇𝐽, (20)

a𝑡+1 = 𝛽2a𝑡 + (1 − 𝛽2) |∇𝐽 |2, (21)
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Figure 2. Posterior of linear model parameters based on Eq. 17. The plots
show that the three regions of the DESI Legacy Imaging Surveys have vastly
different foreground imaging systematics.

with parameters 𝛽1 = 0.9 and 𝛽2 = 0.999. The learning rate param-
eter [𝑡 is designed to alternate between [min and [max every five
epochs (Loshchilov & Hutter 2016),

[𝑡 = [min +
1
2
([max − [min) [1 + cos(

𝑡5
5
𝜋)], (22)

where 𝑡5 is the number of epochs since the last restart, and the
optimal range for learning rate, [min = 10−5 and [max = 0.01,
is determined via a grid search (Smith 2015). We train the neural
network with 60% of the data while leaving 20% for validation and
20% for testing. We train the network for 200 epochs while saving a
snapshot of the network every five epochs. This technique allows us
to create an ensemble of 40 neural networks with one training run
(see, e.g., Huang et al. 2017). We increase the ensemble size to 1000
by re-partitioning the training-validation-testing splits five times and
initialising five different networks for each split.
Figure 3 shows the relative performance of the linear model and

the neural network-based model; while the neural network model
can learn the correlation between observed ELG number density
and Galactic extinction well, the linear regression model struggles to
perform as accurately.

5 METHOD

In this section, we describe how we generate mocks with the same
baseline cosmology but differing galaxy window functions to answer
the questions posed in the Introduction.

5.1 Mock Generation

We run both the linear and neural network-based regressors to ob-
tain 1000 realizations of the galaxy window function that essentially
samples the space of the galaxy window functions. Once we obtain
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Figure 3. Normalised density of the DR9 ELGs as a function of Galactic
extinction (E[B-V]) for the BASS/MzLS, DECaLSNorth, andDECaLS South
regions. Predicted densities from the nonlinear and linear ensemble are shown
in the left and right panels, respectively.

Cosmological Parameter Value

ℎ 0.6774
Ω𝑏 0.0486
Ω𝑚 0.3075
Ω𝐾 0.0
Ω𝑅 0.0015

𝐴𝑠 × 109 2.2
𝑚a [0, 0, 0.6] eV
𝜏 0.06
𝑛𝑠 0.965
𝑤0 −1
𝑤𝑎 0

𝑇CMB 2.7255 K
𝑁eff 3.046

Table 1. Cosmological parameters used for mock generation.

realizations of the window functions based on both the linear regres-
sion and neural network-based approaches, we use them to generate
independent contaminated mocks of the observed galaxy overden-
sity field and study the impact of window variation and choices of
window modelling strategies.
At first, we generate 1000 mocks of galaxy overdensity field, 𝛿𝑔,

and the CMB convergence field, 𝛿^ , with NSIDE = 1024 using
Skylens and healpix. Skylens3 (Singh 2021) is a theory code
that calculates both the expected angular power spectra, 𝐶ℓ , and the
pseudo-angular power spectra, 𝐷ℓ , given cosmology, tracer types,
matter power spectra at different redshifts, redshift distribution of
tracers, and the tracer window functions. It is comparable to CCL4
but also has the functionality of calculating the couplingmatrix based
on the survey window, thus forward modelling what the expected
pseudo angular power spectra, 𝐷ℓ ought to be. We use camb (Lewis
et al. 2000) to calculate the matter power spectra.
We use the same cosmologywith parameters specified in Table 1 to

generate the mocks. Using the same cosmology allows us to isolate
the effects of only the galaxy window functions. We also use the
same redshift distribution and magnification bias to generate the
same underlying galaxy auto-power spectrum using skylens. The
redshift distribution used in this analysis is estimated by calibrating
the ELG colours of the DESI SV3 catalogue with the DESI Legacy
Imaging Surveys DR9 photometric catalogue. A detailed discussion
on the redshift distribution and magnification bias can be found in
(Karim et al. 2023).

3 https://github.com/sukhdeep2/Skylens_public
4 https://github.com/LSSTDESC/CCL
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With skylenswe obtain the three angular power spectra arrays, the
CMB convergence auto-, the galaxy auto- and the CMB convergence-
galaxy cross-power spectra (𝐶^^

ℓ
, 𝐶𝑔𝑔

ℓ
and 𝐶^𝑔

ℓ
respectively). We

then pass these power spectra to the function synfast in healpix
that generates correlated Gaussian realization maps of 𝛿^ and 𝛿𝑔. We
generate these maps with NSIDE = 1024 and pol = False because
the maps of interest are scalar fields. Note that since the scope of
this paper is focused only on understanding the impact of window
function variance on the power spectra and not higher-order statistics,
Gaussian mocks are sufficient. We run this procedure 1000 times to
get 1000 pairs of realizations.
We also generate 1000 pairs of galaxy andCMBconvergence noise

maps. We estimate the galaxy noise power spectrum by calculating
the shot noise based on observed ELG density in the DESI Legacy
Imaging Surveys DR9 dataset, and the CMB convergence noise pro-
vided by Planck. These power spectra are then used with healpix to
get realizations of the galaxy and CMB convergence noise maps, 𝛿𝑁𝑔
and 𝛿𝑁^ respectively.
For the convergence field, we add the realizations 𝛿𝑁^ to 𝛿^ , ap-

ply the rotated Planck CMB lensing mask, and then finally apodize
the noise-contaminated convergence field with an isotropic beam
apodization given by:

𝑏ℓ,cos =


1 if ℓ ≤ ℓcut,min

cos
(
𝜋
2

ℓ−ℓcut,min
ℓcut,max−ℓcut,min

)
if ℓcut,min < ℓcut,max

0 if ℓ ≥ ℓcut,max

(23)

We rotate the original Planck mask to the Equatorial coordinate
basis before using it since Planck provides the original mask in
the Galactic coordinate basis. We then apodize the noise-added and
masked convergence map to reduce the boundary effect. This ef-
fectively downweights the high pseudo-𝐶ℓ modes. We specifically
choose Equation 23 because it is a compact function that smoothly
reduces the power of the map to 0 at higher multipoles. More discus-
sion about this apodization function can be found in Equation 83 of
Singh (2021).
For the contaminated galaxy overdensity field, 𝛿𝑔,𝐶 , we prepare

the six variations (Equations 10 – 15), encapsulating the two galaxy
overdensity estimator definitions, and the fixed window, the mul-
tiplicative and the additive biases. Each of these six variations is
prepared twice, once with the linear regression-based windows and
another time with the neural network-based windows.
Note that Equations 10 – 15) refer to both the true galaxy win-

dow function,𝑊𝑔,𝑡 and the estimated galaxy window function,𝑊𝑔,𝑒.
Since the true window function is never known from the first princi-
ples, we treat the mean of the 1000 sampled galaxy window functions
as the true window function, 𝑊𝑔,𝑡 . This is because, in expectation,
the estimated window functions ought to approach the true window
function. Thus, we obtain two true window functions, one for lin-
ear regression and another for the neural network-based approaches.
Consequently, the 1000 sampled realizations of the galaxy window
functions are treated as the estimated window function,𝑊𝑔,𝑒. Hence,
we can use our simulation-based approach to properly quantify the
impact of galaxy window function multiplicative and additive biases
on cosmological parameter estimation.
Thus, in total, we generate 1000 noise-added CMB convergence

maps, and 2 × 6 × 1000 noise-added and window-convolved galaxy
over density maps. We then use the anafast function from healpix
to calculate the galaxy auto- and galaxy-convergence cross-power
spectra with lmax = 1024. We finally subtract the window noise
from the 2 × 6 × 1000 galaxy auto-power spectra using Equations 4
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Figure 4. Comparison of the mean power spectra of the three tracers of the
fixed window mocks generated using Equations 10 and 13 with theoretical
expectations. All three tracers have a sub-per cent level agreement with the
theory, showing that the mock generation process is valid.

and 5. The final window-noise subtracted galaxy auto-power spectra
and the galaxy-convergence cross-power spectra serve as the data
vector for our analysis.

5.2 Validation of Mocks

An important aspect of mock generation is to ensure that the re-
alizations we obtain are accurate. We do this by comparing power
spectra and covariance matrix measurements from the simulations
with analytical predictions. Our overall goal was to achieve sub-per
cent level accuracy in the mocks. We perform two different tests to
show the consistency of our mocks with expectations.
First, mocks A and D (Equations 10 and 13 respectively) keep

their respective window functions constant, and the variance only
comes from the Gaussian realizations of the 𝛿𝑔 overdensity field.
Since the underlying true power spectra and the window is known,
the expected pseudo angular power spectra, 𝐷ℓ , can be calculated
using Equation 8. Hence, we calculate the expected 𝐷ℓ for both
mocks A and D using SkyLens and compare the results against
the mean power spectra from these mocks. As seen in Figure 4, the
disagreement between theory and the mocks is at the sub-per cent
level in the multipole range of our analysis.
Once the mocks with fixed windows are validated, we then come

up with a technique to validate mocks B, C, E and F that have
multiplicative and additive biases added to them. In Appendix A we
derive analytical expressions relating mocks with only multiplicative
biases, and both multiplicative and additive biases. We compare the
expected excess contribution of the additive bias with our mocks in
Figure 5. As we see here too, the generated mocks and theoretical
modelling of the additive bias agree. Thus, our generated mocks are
accurate for the relevant analyses we discuss in this paper.

6 RESULTS

As stated in Section 1, the goal of the paper is to provide answers
to three questions – how the linear regression versus neural network
regression models compare to each other when it comes to estimat-
ing the window function, whether modelling the window explicitly
matters and how the bias (if any) and the variance of the estimated
window function affect our final cosmological parameter inference.
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Figure 5. Comparison of the mean power spectra of the simulation-derived
additive and multiplicative bias models versus theoretical expectations, based
on Appendix A. The plots show that both the linear regression and the neural
network models agree with expectation, and validate the generative procedure
of the mocks with multiplicative and additive biases embedded in them.

In this section, we answer these key questions with the simulation
data.

6.1 Linear Regression versus Neural Network Models

The main trade-off between linear regression and neural network
models is their complexities in interpretability. The linear regres-
sion model offers a straightforward insight into understanding how
different underlying feature maps contribute to the galaxy window
function, which is not as apparent in a neural network model. Thus,
using a neural network regression model only makes sense if it can
"learn" the complexities of the data that the linear regression model
is unable to.
One of the main complexities and challenges of the Legacy Sur-

veys and DESI is that they are composed of three different distinct
surveys, with the Southern DECaLS also containing the DES foot-
print, which has a characteristically different survey depth than the
rest of the Southern DECaLS footprint. Thus, our window function
should be able tomodel these non-cosmological variations to provide
an unbiased estimate of the galaxy function.
In Figure 6, we show a comparison of the mean window func-

tions from the 1000 realizations of the linear regression and neural
network-based approaches, and the differences of the means. We
see that both of these methods give more weight to the DECaLS
footprint, compared to the BASS/MzLS footprint. This makes sense
since the BASS/MzLS footprint has a shallower survey depth on av-
erage. However, when we look at the DECaLS region, especially the
southern DECaLS footprint, we notice a stark difference. While the
linear regression model largely treats the lower half of the region
as uniform, the neural network shows the DES footprint embedded
within DECaLS. This is especially apparent when we look at the
rightmost plot (the difference between the mean maps), where the
DES footprint is visible. We also see that while the linear regression
is more aggressive towards the Galactic Plane, the neural network
model takes a more conservative approach in giving less weight to
those same regions (closer to the borders of the surveys). This makes
sense because as one observes closer to the Galactic Plane, the dust
extinction on average goes up. Thus, the neural network map pro-
vides a more robust approach to modelling the complexity of the
non-cosmological systematics that impact the ELG number density.

The accuracy of the neural network model comes with a higher
variance due to the bias-variance tradeoff.
There are two important consequences of this result – both the

measured power spectra and the covariance matrix are affected.
Figure 7 shows the comparison of mean power spectra (both

galaxy-galaxy and galaxy-CMB lensing) based on both linear re-
gression and neural network-based models. The top panel shows that
for both auto- and cross-power spectra, the amount of multiplicative
and additive biases are well below the per cent level at all scales of
interest. This would cause one to erroneously believe that full mod-
elling of the window function posterior is not necessary. However,
the bottom panel shows a different picture. We see that while biases
in the cross-power spectra are also well below the per cent level, the
auto-power spectra do show a noticeable impact. Specifically in the
range of 50 . ℓ . 350, the additive bias is over 1%. This is an
important result because as modern cosmological surveys such as
DESI strive for O(0.1%) level precision, a per cent-level bias in the
power spectra can lead to the wrong cosmological parameter infer-
ence. This is especially important for analyses that use the amplitude
information to constrain cosmology, e.g. constraining 𝜎8 by taking a
ratio of the auto- and the cross-power spectra.
Additionally, the tight posterior explored by the linear regression

model can artificially reduce the mode-mode coupling due to the
window function. Figure 8 shows the correlation matrices based on
the 1000 realizations of all themodels based on both linear regression
and neural networks. The first column is the fixed window models,
which as expected, show highly diagonal matrices, as expected from
analytical Gaussian covariance theory. The second and third columns
show the difference between the correlation matrices estimated from
the biased models and the fixed window models. The second column
(models with multiplicative biases) shows a large agreement with the
fixed model, indicating that multiplicative biases are not a dominant
source of noise. However, the third column (models with additive
biases) shows the starkest contrast between the linear regression-
based and neural network-based models. The correlation between the
modes in the neural network models is about ∼ 100 times bigger than
the linear regression models. We further observe a high correlation
in the galaxy auto-power spectra between modes at all scales in
the neural network models, which is absent in the linear regression
models.
This difference has a direct consequence in our estimation of the

overall cumulative signal-to-noise (SNR). Figure 9 shows that while
the cumulative SNR of linear regression models is not impacted
by the biases, the cumulative SNR of the neural network models
is affected by the mode-mode coupling. The cumulative SNR of
the galaxy auto-power spectra are affected by almost 8% around
ℓ ∼ 1000. This result showcases the importance of needing to model
the impact of the window function on the covariance matrix because
the current approaches provide overly optimistic error bars.

6.2 Should we model the Window function explicitly?

The main goal of this section is to understand whether the estimator
presented in Equation 7 is better than the one presented in Equation 6.
One of the key arguments for Equation 7 is that if the signal is the
same, the window noise component of the estimator in Equation 6
is larger than the window noise component of the estimator in Equa-
tion 7 (Singh 2021). This implies that if an analysis is dominated by
the galaxy window function (or shot noise), then Equation 7 may be
the more optimal estimator.
Figure 10 shows the cumulative SNR comparison betweenModels

D (based on Equation 6) and Models A (based on Equations 7).
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Figure 6. Mean of Window Functions based on Linear Regression and Neural Network regression methods, and their differences. The Neural Network model
can learn the survey geometry of complex regions such as the DES footprint inside the Southern DECaLS footprint, which the linear regression model fails to
do so.
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Figure 7. Mean power spectra of mocks with multiplicative and additive
biases with respect to the mean of mocks with fixed windows. The ratios of
Model B and C are taken with respect to Model A, and the ratios of Model
E and F are taken with respect to Model D. While the additive bias in the
linear regression models is sub-per cent level in galaxy auto-power spectra,
the additive bias is a per cent-level effect up to ℓ ∼ 350 in the neural network
based models.

For both linear regression and neural network-based approaches we
observe that Models D have a slightly higher cumulative SNR. We
pick Models A and D for this analysis because they are both fixed
windowmodels, hence we can decidedly study the effect of the signal
and the noise in the presence of the same window function.
This resultmakes sense because the shot noise coming fromDR9 is

sub-dominant at all scales of interest in our analysis. Since the signal
part of the power spectrum of the estimator in Equation 7 is affected
by the variance of the window function too, in the signal-dominated
regimes we expect Models D to perform slightly better.
However, there is another caveat to this conclusion; Model D is

optimal only if the window function values are "well-behaved" in
all pixels, i.e., the values are not too close to 0. This is because the
noise term in Equation 6 is averaged over 1/𝑊𝑔 (𝑥), and for any 𝑥,
if 𝑊𝑔 (𝑥) → 0, the noise term will dominate the entire estimator.
Thus, it is often the case that if one uses the implicit estimator, then
one must apply a further mask where any survey pixels with weights
close to 0 are removed from the analysis. For the DR9 ELGs, we
found no such problematic pixels, and so Model D became the op-
timal estimator. But, if a hypothetical survey has many such pixels,

then they need to be removed prior to measuring the power spectra;
this action consequently reduces the effective survey area and can
degrade the cumulative SNR. We show an example of such a situ-
ation in Figure 11; we see that if we remove just 3% of the lowest
weighted survey footprint from the Legacy Surveys DR9, then the
implicit estimator becomes severely suboptimal compared to the ex-
plicit estimator. Thus, when deciding which estimator to use, it is
important to first understand the distribution of the window function
weights.

6.3 Impact of the window function modelling on cosmological
parameters

The final and perhaps the most important question of our analysis is
- how do the biases in the power spectra and the differences in the
covariance matrices impact cosmological parameter estimation? To
answer this question, we look at three different inference problems
using the fixed window model D, and the additive bias model F.
Our ultimate goal inKarim et al. (2023) is tomeasure the amplitude

of the power spectra,𝜎8, and the galaxy linear bias, 𝑏0. Assuming that
the problem is Gaussian in nature, the likelihood we are maximizing
is:

logL ∝ (𝑀 − 𝐷)𝑇 Σ−1 (𝑀 − 𝐷) (24)

where, 𝑀 represents the proposed theoretical models that are func-
tions of cosmological parameters, 𝐷 is the data vector and Σ is the
covariance matrix. As discussed in Section 5.1, we use SkyLens,
which uses the Boltzmann solver camb and HaloFits for the linear
and non-linear modelling of the matter power spectrum, to generate
models represented by 𝑀 .
Thus with 𝑀 fixed, the three inference problems we study are the

cases where (i) data vector, 𝐷, comes from mocks D and covariance,
Σ, comes from mocks D, (ii) 𝐷 comes from mocks F and Σ comes
from mocks D, and (iii) 𝐷 comes from mocks D and Σ comes
from mocks F. The first inference problem tells us what is the most
optimistic case, i.e., ifwe knew thewindow function exactly, howwell
we could constrain cosmological parameters. The second inference
problem showcases what a typical survey that does not remove the
additive bias and uses a covariance matrix that is devoid of window
function marginalization will measure the cosmological parameters
to be. And finally, the third inference shows what we ought to expect
for a properly debiased data vector with a covariancematrix that takes
the window function into account. We run these inferences using the
Markov Chain Monte Carlo sampler, emcee (Foreman-Mackey et al.
2013).
The first comparisonwe conduct is the case where the same covari-
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Figure 8. Correlation matrix of all the models studied in this paper. The first two rows show results from the linear regression model and the last two show
results from the neural network model. The first and the third row use the implicit estimator based on Equation 6, and the second and the fourth row use
the explicit estimator based on Equation 7. The first column shows the correlation matrix of fixed windows (Mocks A and D). The second column shows the
difference between mocks with multiplicative bias (Mocks B and E) and the fixed window mocks, while the third column shows the difference between mocks
with multiplicative and additive bases (Mocks C and F) and the fixed window mocks. The multiplicative biases are really small, while the additive biases in the
neural network model are an order of magnitude larger than the additive biases seen in linear regression. Moreover, the additive bias correlation matrices show
high mode-mode coupling in the galaxy auto-correlation part of the correlation matrix (top-left). This indicates that using an analytical Gaussian covariance
matrix (similar to the first column) will be optimistic and measure a signal-to-noise than reality.

ance matrix is used by the inference problem, but the data vectors
are different. This comparison shows how much the additive bias
can induce a bias in the parameter space. Figure 12 shows that if
the additive bias of the window functions is not removed, then it
induces a noticeable shift in the mode of the parameters of interest.
Specifically, 𝑏0 and 𝐴𝑠 have a relative shift of∼ 1.8% and∼ 2.6% re-
spectively. These numbers are significant since Stage-IV and beyond
surveys will be constraining the precision to per cent level (DESI
Collaboration et al. 2016).
The next comparison we do is the case where we use the same data

vector but different covariance matrices. This comparison shows
us how much our precision degrades due to the presence of the
additive and multiplicative biases compared to the analytic Gaussian
covariance matrix case. Table 2 shows that compared to mocks D
(which corresponds to analytical Gaussian covariance matrix case),
mocks F have overall larger covariance values. In fact, the ratio of
the error ellipses between F and D is ∼ 1.246, showing that overall
the precision also goes down in a noticeable fashion.

D F

𝜎
𝑏20

2.10 × 10−4 2.27 × 10−4

𝜎
𝐴2𝑠

2.54 × 10−3 2.66 × 10−3

𝜎𝑏0𝜎𝐴𝑠 −7.18 × 10−4 −7.63 × 10−4

Table 2. Table showing parameter covariance comparison between mocks D
and F. Compared to mocks D, mocks F have a higher covariance.

These results combined showcase thatmodelling themultiplicative
and additive biases will be an important source of systematics for
ongoing and future cosmological surveys.
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Figure 9. Signal-to-noise ratio of the mean of mocks with multiplicative
and additive biases with respect to the mean of mocks with fixed windows.
The ratios of Model B and C are taken with respect to Model A, and the
ratios of Model E and F are taken with respect to Model D. While the linear
regression-based models do not show any noticeable variation of SNR with
respect to the fixed window, the neural network based models show that the
additive bias affects the signal-to-noise up to 10% at high multipoles.
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Figure 10. Cumulative signal-to-noise comparison between Mocks A and D.
Mocks D has a slightly higher cumulative SNR at all scales.

7 CONCLUSIONS

The goal of this paper was to understand how the estimation of the
(galaxy) window function impacts overall cosmological parameter
inference. We motivate this analysis by studying the effects of mod-
elling the galaxy window function on measuring the amplitude of
the matter power spectrum, 𝐴𝑠 and the galaxy linear bias, 𝑏0, by
cross-correlating the Legacy Surveys DR9 Emission-Line Galaxies
catalogue with the Planck CMB lensing map. Our results indicate
that:

(i) Linear Regression versus Neural Network Methods: Neural
Network (or other non-linear regressors) based regression methods
are clearly superior compared to linear regression models when it
comes to modelling the galaxy window function. While linear re-
gression models have really high precision, they also have a high
bias as they cannot model the non-linear mapping between the imag-
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Figure 11. Cumulative signal-to-noise comparison between Mocks A and D
when 3% of the lowest weighted pixels are removed. This mimics the situation
where pixels with low weight have to be removed when using the estimator in
Equation 6, as opposed to the estimator in Equation 7. The result shows that
both the galaxy auto- and galaxy-CMB lensing cross-power spectra measured
using the implicit estimator have a significant reduction in the signal-to-noise
compared to the same measurements made with the explicit estimator.
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Figure 12. MCMC comparison between data vectors from mocks D and F.
The dashed lines indicate the ground truth, and the red and blue contours
correspond to mocks D and F respectively. In this inference problem, the
covariances are the same for both cases. The figures show that the additive
biases in mock F shift the mode of inferred parameters in a noticeable way.

ing systematics maps and the corresponding observed galaxy number
density map.
On the other hand, while the neural network models have a higher

variance, they are more accurate and one can explicitly model the
amount of bias using a simulation-based approach. For our datasets,
the amount of bias in the galaxy auto power spectra, 𝐷𝑔𝑔

ℓ
, is∼ 1−2%

up to ℓ ∼ 1000. This result also indicates that rather than simply
using the best value of the window function, one needs to sample
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the posterior space of the window function properly to get a biased
estimate.
(ii) Modeling the window function explicitly in the overdensity

estimator: The importance ofmodelling thewindow function explic-
itly in the galaxy overdensity estimator is not as apparent. While
(Singh 2021) analytically showed that explicit modelling should
lead to a higher signal-to-noise, it is only applicable in the noise-
dominated regime. As high-number density surveys like the Legacy
Surveys or DESI are signal-dominated up to significantly high mul-
tipoles, modelling the window function explicitly in the overdensity
estimator is not essential. However, if a high-ℓ signal-dominated sur-
vey has an unusual survey footprint, in that a fraction of its footprint
has the window function close to 0, then modelling the window
explicitly in the overdensity estimator does provide some advantage.
(iii) Marginalizing the window function: Compared to the an-

alytical Gaussian covariance matrix, a simulation-based covariance
matrix modelling shows that the additive bias in the galaxy win-
dow function induces significant mode-mode couplings in the galaxy
auto-power spectra. This results in an overall cumulative signal-to-
noise reduction of ∼ 10% at ℓmax ∼ 1000. Thus, properly modelling
the posterior of the window function and marginalizing over it is
essential to get the proper error bars.
(iv) Impact of bias and marginalization on parameter

inference: The additive bias estimated in the galaxy auto-
power spectra causes a shift of ∼ 1.8% and ∼ 2.6% in 𝑏0 and
𝐴𝑠 , respectively. Moreover, properly modelling the covariance
matrix increases the error ellipse of these parameters by ∼ 25%
compared to the case where one uses analytical Gaussian covariance.

One caveat to note is that in this work we are not capturing all pos-
sible sources of error when modelling the galaxy window function.
Importantly, if the imaging systematic maps themselves are wrong,
then that will introduce additional bias and noise. Our analysis is
only restricted to showing that even in the case where we trust all
the imaging systematics maps, one still needs to model the bias and
variance of the galaxy window function appropriately.
While previous studies of the impact of the window function on

cosmological studies have been limited to large-scale modes (Rezaie
et al. 2020), this paper for the first time shows that the bias and un-
certainty of the galaxy window function has a statistically significant
impact at small-scales too, due to mode-mode coupling induced by
the additive bias in the galaxy window function.
All of these results combined indicate that the bias and uncertainty

of the window function require a careful and proper characterization.
Since future surveys like DESI, Euclid, Roman and the Rubin Ob-
servatory will try to achieve sub-per cent level precision in measur-
ing cosmological parameters using galaxy clustering, the identified
systematics will be one of the dominant sources of systematic un-
certainties in the overall error budget. Thus, we recommend that
modelling the window function should be an essential consideration
for all cosmological surveys going forward.
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APPENDIX A: ANALYTIC ESTIMATION OF EXCESS
CLUSTERING DUE TO ADDITIVE BIAS

Assume that the estimated and the true galaxy window functions
are given by 𝑊𝑔 and 𝑊𝑔,𝑡 respectively. We define the true window
function as being the mean of the 1000 realizations we obtain using
our regression methods. This makes sense because in expectation we
would expect the window function realizations to approach the true
window function.
With the true window defined, we now model the mocks that

have biases induced in them. In the implicit approach, the observed
𝛿𝑔 field with multiplicative and additive biases are then given by
Equations 14 and 15:

𝛿𝐸 =
𝑊𝑔

𝑊𝑔,𝑡
𝛿𝑔 +

√︁
𝑊𝑔

𝑊𝑔,𝑡
𝛿𝑁𝑔

𝛿𝐹 =
𝑊𝑔

𝑊𝑔,𝑡

(
1 + 𝛿𝑔

)
+

√︁
𝑊𝑔

𝑊𝑔,𝑡
𝛿𝑁𝑔 − 1

=

(
𝑊𝑔

𝑊𝑔,𝑡
− 1

)
+ 𝛿𝐸

Let us define the following quantity:

(
𝑊𝑔

𝑊𝑔,𝑡
− 1

)
B 𝛿sys (A1)

Plugging this back into the final expression, we get:

𝛿𝐹 = 𝛿sys + 𝛿𝐸 (A2)

We can now calculate the auto-power spectra on both sides of the
expression:

𝛿𝐹 = 𝛿sys + 𝛿𝐸 (A3)

=⇒
〈
𝛿𝐹 𝛿

′
𝐹

〉
=

〈(
𝛿sys + 𝛿𝐸

) (
𝛿′sys + 𝛿′𝐸

)〉
(A4)

=⇒ 𝐷ℓ
𝐹 =

〈
𝛿sys𝛿

′
sys

〉
+

〈
𝛿𝐸𝛿

′
𝐸

〉
+ 2

〈
𝛿sys𝛿

′
𝐸

〉
(A5)

=⇒ 𝐷ℓ
𝐹 =

〈
𝛿sys𝛿

′
sys

〉
+ 𝐷ℓ

𝐸

[
∵ 𝛿sys ⊥ 𝛿𝐸

]
(A6)

=⇒ 𝐷ℓ
𝐹 = 𝐷ℓ

sys + 𝐷ℓ
𝐸

[
𝐷ℓ
sys B

〈
𝛿sys𝛿

′
sys

〉]
(A7)

Therefore, measured power spectra ofmockswith bothmultiplicative
and additive biases are related to mocks with only multiplicative
biases by a simple expression. We now derive explicitly what the
term 𝐷ℓ

sys consists of using known quantities:

𝐷ℓ
sys =

〈
𝛿sys𝛿

′
sys

〉
=

〈(
𝑊𝑔

𝑊𝑔,𝑡
− 1

) (
𝑊

′
𝑔

𝑊𝑔,𝑡
− 1

)〉

Thus, using the window realizations, we can quantify the power
spectra due to the excess additive bias.
Similarly, for the explicit approach, we have expressions for the

observed 𝛿𝑔 field with multiplicative and additive biases as Equa-
tions 11 and 12:

𝛿𝐵 = 𝑊𝑔𝛿𝑔 +
√︁
𝑊𝑔𝛿

𝑁
𝑔

𝛿𝐶 = 𝑊𝑔

(
1 + 𝛿𝑔

)
+𝑊𝑔𝛿

𝑁
𝑔 −𝑊𝑔,𝑡

=
(
𝑊𝑔 −𝑊𝑔,𝑡

)
+ 𝛿𝐵

We recognize that,
(
𝑊𝑔 −𝑊𝑔,𝑡

)
= 𝛿sys𝑊𝑔,𝑡 , where 𝛿sys refers to the

expression defined Equation A1. Thus,

𝛿𝐶 = 𝛿sys𝑊𝑔,𝑡 + 𝛿𝐵 (A8)

We can now take the auto-power spectra on both sides of this expres-
sion:

𝛿𝐶 = 𝛿sys𝑊𝑔,𝑡 + 𝛿𝐵

=⇒
〈
𝛿𝐶𝛿′

𝐶

〉
=

〈(
𝛿sys𝑊𝑔,𝑡 + 𝛿𝐵

) (
𝛿′sys𝑊𝑔,𝑡 + 𝛿′𝐵

)〉
=⇒ 𝐷ℓ

𝐶
=

〈
𝛿sys𝑊𝑔,𝑡𝛿

′
sys𝑊𝑔,𝑡

〉
+

〈
𝛿𝐵𝛿

′
𝐵

〉
+ 2

〈
𝛿sys𝑊𝑔,𝑡𝛿

′
𝐵

〉
=⇒ 𝐷ℓ

𝐶
=

〈
𝛿sys𝑊𝑔,𝑡𝛿

′
sys𝑊𝑔,𝑡

〉
+ 𝐷ℓ

𝐵

[
∵ 𝛿sys ⊥ 𝛿𝐵

]
=⇒ 𝐷ℓ

𝐶
= 𝐷ℓ′

sys + 𝐷ℓ
𝐵

Again, we see that the power spectra of mocks with both multiplica-
tive and additive biases are related to mocks with only multiplicative
biases by a simple expression.
Thus, the systematics power spectra are given as:

𝐷ℓ
sys =

〈(
𝑊𝑔

𝑊𝑔,𝑡
− 1

) (
𝑊

′
𝑔

𝑊𝑔,𝑡
− 1

)〉
(A9)

𝐷ℓ
sys′ =

〈
𝛿sys𝑊𝑔,𝑡𝛿

′
sys𝑊𝑔,𝑡

〉
(A10)

The denominator in Figure 5 are the expressions A9 and A10
respectively. The comparisons in Figure 5 show error bars because
the expressions we have derived in this section are true only in
expectation, but not necessarily in per realization. Thus, we take this
effect into account when performing the comparison.
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Chapter 1

The Hubble Constant: A Historical Review

R. Brent Tully

Abstract For 100 years since galaxies were found to be flying apart from each other,

astronomers have been trying to determine how fast. The expansion, characterized

by the Hubble constant, H0, is confused locally by peculiar velocities caused by

gravitational interactions, so observers must obtain accurate distances at significant

redshifts. Very nearby in our Galaxy, accurate distances can be determined through

stellar parallaxes. There is no good method for obtaining galaxy distances that is ap-

plicable from the near domain of stellar parallaxes to the far domain free from veloc-

ity anomalies. The recourse is the distance ladder involving multiple methods with

overlapping domains. Good progress is being made on this project, with satisfactory

procedures and linkages identified and tested across the necessary distance range.

Best values of H0 from the distance ladder lie in the range 73− 75 km s−1 Mpc−1.

On the other hand, from detailed information available from the power spectrum

of fluctuations in the cosmic microwave background, coupled with constraints fa-

voring the existence of dark energy from distant supernova measurements, there is

the precise prediction that H0 = 67.4 ±1%. If it is conclusively determined that the

Hubble constant is well above 70 km s−1 Mpc−1 as indicated by distance ladder re-

sults then the current preferred ΛCDM cosmological model based on the Standard

Model of particle physics may be incomplete. There is reason for optimism that the

value of the Hubble constant from distance ladder observations will be rigorously

defined with ∼ 1% accuracy in the near future.

R. Brent Tully (�)

University of Hawaii, 2680 Woodlawn Dr., Honolulu, HI 96822, USA, e-mail:
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1.1 In the Beginning

1

In the first decades of the Twentieth century, evidence was accumulating that spi-

ral nebulae lay beyond the Milky Way as “island universes”, with discussion culmi-

nating in the Great Debate[2, 3]. History books usually cite the convincing evidence

for the extragalactic nature of spiral nebulae to the identification of cepheid variable

stars in M31 and M33 by Edwin Hubble[4] in 1925. The relationship between pul-

sation period and luminosity had been established by Henrietta Leavitt[8] in 1912.

Hubble determined the distances to each of M31 and M33 to be 285 kpc. However,

three years earlier, a better distance to M31 of 450 kpc had been calculated by Ernst

Öpik[1] assuming the virial theorem relation between velocity dispersion, dimen-

sion, and mass and assuming the solar relation between luminosity and mass. The

modern value for the distance to M31 is 740 kpc and to M33 is 850 kpc.

In the meantime, spectra of the spiral nebulae were being accumulated, mostly

by Vesto Slipher[7], and it was being remarked that almost all spectral features

were displaced to longer wavelengths from their laboratory positions. In a seminal

paper[5], Hubble demonstrated the correlation between velocity displacement, sub-

sequently called redshift, and galaxy distance, with the relationship between these

parameters that now bears his name. In fact, the expansion of the Universe had

been anticipated and hinted at by Georges Lemaı̂tre[6] on dynamical grounds. The

static Universe posited by Albert Einstein[9] with his constant Λ to offset gravity

was unsatisfactorily unstable. The initial estimate of Hubble’s constant[5] was H0 =
500 km s−1 Mpc−1, later increased slightly by Hubble to 530 km s−1 Mpc−1[12].

The uncertainty was large, as pointed out by Jan Oort who favored a lower value[10]

and Arthur Eddington who favored a higher value[11]. Eddington provided a theo-

retical perspective, a prelude to an interplay that continues to be a bane of studies

of the scale of the Universe. Eddington claimed that the combination of relativity

theory and quantum theory gave a value of H0 with the wonderful quote: “I have

now been able to reach a solution which I regard as definitive. The result is 865 km.

per sec. per megaparsec.”

1.2 Evident Problems

If the Universe has been expanding at a uniform rate since its inception then it began

at a time ago that is the inverse of the Hubble constant. With Hubbles’s initial value

of 500 km s−1 Mpc−1 the implied age is 2 billion years. The discrete moment of

the beginning of expansion has come to be called the “Big Bang.” Already by 1931,

radioactive dating of geological rocks was giving ages of the Earth of 2−3 Gyr[18].

Surely, the Universe is older than the Earth. A plausible resolution was offered by

1 Chapter in book on the Hubble Constant Tension, Published 2023, Springer Nature, Singapore,

Eds. E. Di Valentino & D. Brout
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the steady state theory of Hermann Bondi, Thomas Gold, and Fred Hoyle[13, 14],

whereby matter is continuously created as space expands so as to keep constant

conditions on average in perpetuity.

However, evidence began to emerge that the early estimates of H0 were too high.

Walter Baade made a breakthrough with the discovery of distinct luminosity differ-

ences between the brightest of young (Population I) stars and old (Population II)

stars when he could resolve red giant branch stars in M31, M32, and NGC 205 from

Mt. Wilson during Los Angeles blackouts during WWII[15]. The stepping stone to

the calibration of the cepheid period-luminosity relation had been through Galac-

tic globular clusters which have cepheid-like variables. It was recognized that the

brightest resolved stars in the central region of M31 and in the elliptical compan-

ions were similar to the brightest stars in globular clusters. It became apparent that

there are two kinds of cepheid variables: Population II cepheids as found in envi-

ronments of old stars and Population I cepheids found amongst young stars that are

brighter at a given pulsation period by ∼ 1.5 mag[17], implying a factor 2 increase

in cosmological distances. Baade provided a very nice history of this development

in 1956[16].

1.3 Grasping at Straws

Work on the extragalactic distance scale picked up in the 1950’s with the inaugura-

tion of the Hale 200-inch telescope on Mt. Palomar. There was the important con-

tribution by Milton Humason, Nicholas Mayall, & Allan Sandage[19]. Imaging of

the Virgo cluster galaxy NGC 4321 revealed that features taken earlier to be individ-

ual stars were, in fact, HI regions. The brightest individual stars are some 1.8 mag

fainter. Humason, Mayall, and Sandage concluded H0 ∼ 180 km s−1 Mpc−1. Soon

after, Sandage[20] reviewed the situation. In addition to the confusion between

old and young populations with cepheids, he argued that the apparent width of

the cepheid period-luminosity relation at fixed period caused a significant under-

estimation of distances. He placed H0 between 50 and 100 km s−1 Mpc−1.

Over the next two decades, there was increased interest in the distance scale but

there were only marginal improvements. The problem to be addressed was clear but

the tools were blunt. Eric Holmberg tried using a correlation between the absolute

magnitude and surface brightness of galaxies[21]. Sydney van den Bergh produced a

luminosity classification for mid- to late-type spirals that could be given an absolute

calibration[22, 23]. Jose Sersic promoted the use of the diameter of HII regions[24].

René Racine compared the globular cluster luminosity function between M31 and

a galaxy in the Virgo cluster[25]. In 1970, van den Bergh summarized results from

nine methods: the diameter of HII regions, luminosity classes, brightest globular

clusters, assumptions regarding mass-to-light ratios, magnitude of third brightest

galaxy cluster member, supernovae, a relation between the surface brightness and

diameter of galaxies, and the magnitude of the brightest star in a galaxy[26]. None

of these methods survives as useful today. The use of supernovae in 1970 was rudi-
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mentary. The mass-to-light method was a variation of what was used by Öpik[1].

It was assumed that the total mass of a galaxy, Mt , is given by the virial theorem,

with the dependency Mt ∝ ∆V 2R, where ∆V is a measure of the galaxy kinemat-

ics and R is an estimate of the galaxy radius. A relationship is assumed between

mass and luminosity. The kinematic data for this so-called indicative mass proce-

dure were provided by Morton Roberts’ observations of the linewidths of galaxies

in the neutral hydrogen 21 cm line[27] or subsequent follow up.

1.4 H0 50 or 100?

The discovery in 1965 of the permeation of space with the cosmic microwave

background provided compelling evidence of a hot Big Bang beginning of the

Universe[30, 31], and by implication a finite age. Necessarily, there should be

compatibility between the expansion age inferred from the inverse of the Hubble

constant, the ages of objects within the Universe, and a model that describes the

evolution of the Universe since its inception. Two simple models to consider are a

completely empty universe or a topologically flat universe filled with matter. With

H0 = 50 km s−1 Mpc−1 ages would be 19.3 and 13.0 Gyr, respectively, with these

models. With H0 = 100 km s−1 Mpc−1 the respective ages would be 9.7 and 6.5 Gyr.

Ages of stars within our galaxy could be estimated through radioactive dating,

white dwarf cooling or, particularly, the main sequence turnoff magnitude within

globular clusters. Into and through the 1980’s, the best estimate of the oldest ages

found in the Galaxy were ∼ 16 Gyr[28, 29], with the Universe presumably 1 Gyr

or so older. Evidently, the Universe is not empty. Occam’s razor favored mod-

els that did not invoke a cosmological constant. An open universe with the den-

sity of matter 25% of the critical density to achieve closure (Ωm = 0.25) and

H0 = 50 km s−1 Mpc−1 would be consistent with an age of 16 Gyr. The age of

a closed universe (Ωm = 1) and H0 = 50, at 13 Gyr, would be marginally consistent

with stellar ages. Such simple models were inconsistent with those stellar ages if the

Hubble constant was much above 50 km s−1 Mpc−1.

Sandage and Gustav Tammann, in a series of papers between 1974 and 1982,

presented arguments that favored low values of H0[32, 33, 34, 35, 36]. The methods

they used to acquire distances included sizes of HII regions, brightest stars, luminos-

ity classifications, and bootstraps through statistical properties of the Virgo cluster to

applications in the field. Estimates of H0 in these papers ranged from 50 to 57 with

typical errors ±7 or less. Gérard de Vaucouleurs, in a series of rebuttals between

1978 and 1986, favored high values of H0[37, 38, 39, 40, 41]. He and colleagues

built a ladder founded on primary novae, cepheids, RR Lyrae, and horizontal branch

stars, secondary open and globular clusters, brightest blue and red supergiant stars,

brightest HII loops or rings, and the velocity dispersionspo of HII regions, then a

tertiary luminosity index calibration. They found values of H0 between 90 and 110

km s−1 Mpc−1. So was born the H0 50 or 100 controversy.
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1.4.1 Better Methods

Already by the 1970’s, there was a reasonable foundation for the distance scale

through parallaxes and the distances they gave to cepheids and RR Lyrae star on the

horizontal branch, albeit subject to improvements. But there had been only crude

ways to estimate distances beyond the Local Group and into the domain unaffected

by random motions. It was in this time period that methodologies began to emerge

that are still retained today for the measurement of galaxy distances at significant

redshifts.

In 1977, this author and Richard Fisher published two papers finding H0 =
75− 80 km s−1 Mpc−1 based on the correlation between the absolute luminosities

of spiral galaxies and their rotation rates[42, 43], subsequently to be referred to as

the TF relation. This procedure recalls the indicative mass method but deviates from

the parameterization of the virial theorem. It invokes only two observables, a dis-

tance dependent luminosity and a distance independent measure of the rotation rate

(taking account of the galaxy inclination and internal obscuration). A power law was

assumed between luminosity and rotation rate, with a free index subject to empir-

ical definition. There is the obvious but simple explanation for the correlation that

more massive spiral galaxies tend to be more luminous and spin faster. More mas-

sive galaxies tend to contain fractional more old stars, hence are redder. Therefore,

it was not a surprise that the free index of the TF relation increases toward longer

wavelengths[44], The methodology was more solidly grounded in 1979 by shifting

from photographic blue magnitudes to photoelectric near-infrared magnitudes, as

demonstrated by Marc Aaronson, John Huchra, and Jeremy Mould[45]. These au-

thors demonstrated that the free index would approximate four, L ∼ ∆V 4, if spiral

galaxies share dimensionless scale-length mass profiles/rotation curves, have disks

with a common central surface brightness, and have the same mean mass-to-light

ratio. This latter condition is more easily met in the infrared. The true situation is

more complicated. Indeed, it is mainstream to assume that dark matter dominates

the mass, so it could be considered a puzzle that the correlation between star light

and kinematics is as tight as observed. The interest of most theorists has been on

the implications for galaxy formation and evolution[50, 51, 52, 53, 54, 55]. Treat-

ing the relation as an empirical phenomenon, Aaronson and colleagues determined

values of H0 between 90 and 95 over the years 1980-1986[46, 48, 49]. An early

detailed mapping of the velocity field of the Local Supercluster was carried out by

this collaboration[47].

A contemporaneous discovery with the TF relation, was an analogous correlation

between the luminosities and central velocity dispersions of early-type galaxies, el-

lipticals and lenticulars, by Sandra Faber and Robert Jackson[56]. The two parame-

ter formulation for ellipticals had higher dispersion than the TF relation for spirals

but in 1987 it was found that the addition of distance-independent surface brightness

as a third parameter provided a significant improvement[57, 58]. The procedure,

with parameters gathered into distance dependent and independent parts, resulted in

what became called the fundamental plane. Initially there was no attempt at an ab-

solute calibration but the method was used to map relative distances with redshifts.
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A group soon known as the Seven Samurai (David Burstein, Roger Davies, Alan

Dressler, Sandra Faber, Donald Lynden-Bell, Roberto Terlevich, and Gary Weg-

ner) demonstrated the existence of a large scale flow toward a mysterious “Great

Attractor”[59, 60, 61, 62]. Even as late as 2001 when substantial samples had been

accumulated, the fundamental plane was still only being used to derived peculiar

velocities and velocity flows based on relative distance measurements[63, 64, 65].

However, it has found an important place today within absolute measurements of

the extragalactic distance scale.

A next contribution to the pantheon of important methodologies for the measure-

ment of galaxy distances came in 1988 with recognition that distance information

is encoded in the surface brightness fluctuation amplitudes of dominantly old stellar

populations[66]. The brightest stars in regions devoid of recent star formation lie

on the upper red giant branch of stellar evolution. The relative number of such stars

within an observer’s pixel increases as the square of distance, causing a predictable

damping with distance. Between 1989 and 2000, John Tonry and colleagues ex-

ploited this phenomenon to derive estimates of the Hubble constant that fell from

an initial H0 = 88 to a later H0 = 77 km s−1 Mpc−1[67, 68, 69, 70]. The study cul-

minated in the publication of 300 distances to galaxies within 4000 km s−1 and a

study of the flow patterns discerned from this sample[71].

The foundation of the surface brightness fluctuation technique is the constancy

of luminosities of stars at the “tip” of the red giant branch, where degenerate helium

cores reach a critical mass for the onset of burning to carbon and subsequently a

star finds itself on the horizontal branch. The phenomenon harkens back to Baade’s

identification of Population II stars in M31 and companions[15]. Jeremy Mould and

others were using observations of such stars in the 1980’s to estimate distances to

galaxies within the Local Group[72]. As charge coupled device (CCD) detectors

became common-place, the so-called TRGB method became well established[74,

73]. Observations from ground-based telescopes began to push slightly beyond the

Local Group[75]. With space facilities the TRGB method would evolve to be an

important pedestal for extragalactic distances.

Other methods of possible merit explored in those years have not found a

place as important players today. There was evidence that the planetary nebulae

luminosity function (PNLF) had small scatter[76, 77] and was giving values of

H0 = 86 km s−1 Mpc−1. However, the PNLF has shown limited usefulness. It re-

quired an empirical calibration to a statistically significant number of galaxies,

cross-referenced with fundamental methods, but once calibrated had limited range

of application. A similar criticism can be made of the use of the Balmer spectral fea-

tures in very luminous B and A spectral class supergiants[78, 79]. Potentially, this

Flux weighted Gravity-Luminosity Relationship (FGLR) could be very accurate but

its range is limited and requires considerable effort per target. There was once hope

for the utility of the globular cluster luminosity function which gave values of H0

in the range 75-80[80, 81, 82]. However it was difficult to have confidence in re-

sults when galaxy globular cluster populations are so variable and the formation

processes are in dispute. Novae were found to give H0 = 70 km s−1 Mpc−1 with

limited usage[83, 84].
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1.4.2 Model-based Methods

All of the methods discussed so far have been linked to the distance ladder that

starts with stellar parallaxes and builds through properties of stars in various parts

of the Hertzprung-Russell diagram like the main sequence turnoff, red giant and

horizontal branches, and variable RR Lyrae and cepheid stars. Further steps on the

ladder can proceed by association of such features in external galaxies, providing

absolute scales to the sorts of methods that have been discussed. With exceptions

yet to be discussed, these methods access limited redshifts. There are other ways

of estimating galaxy distances, though, that avoid the calibration ladder and can

provide information on the expansion scale with a long reach.

One of these involves gravitational lens time delays. Sjur Refsdal explored the

concept in 1964, well before there was observational evidence of the phenomenon[85].

A gravitational lens caused by a mass concentration could cause light from a back-

ground source to follow multiple paths to reach an observer, with the time followed

on each path slightly different. If the emission from the background source is fluctu-

ating, say because it is a supernova or active galactic nucleus, then the arrival to the

observer of that signal will be slightly different along each of the paths. Roughly,

the time delay between two paths, ∆ t, is described by the formula[88]

∆ t ∼ 0.5

[

1+ zl

c

][

dlds

dls

]

(Θ 2
A −Θ

2
B) (1.1)

where d are angular diameter distances, dl from observer to the lens (at redshift

zl), ds from observer to the source, and dls from lens to source, and ΘA, ΘB are

angular separations from the lens of images A and B. Each of the distances depends

inversely on H0, permitting a reformulation of the time delay to give a value of the

expansion parameter within an assumed world model. Early estimates of H0 were

in the range 50 to 75 and even greater than 100, with recognized large uncertainties

related to the distribution of mass around the lens[86, 87].

Another model dependent methodology developed out of a phenomenon first

discussed by Rashid Sunyaev and Yakov Zel’dovich[89]. The possible exploitation

to obtain distances was discussed by Joe Silk and Simon White[90] and applied by

Mark Birkinshaw and colleagues and others[91, 92, 93, 94]. The so-called Sunyaev-

Zel’dovich (SZ) effect pertains to a dimming of the cosmic microwave background

radiation in the direction of rich clusters of galaxies due to inverse-Compton scat-

tering of the radiation by electrons in the hot cluster halo. Thermal bremsstrahlung

flux can also be observed from that same hot gas at X-ray wavelengths. The SZ

temperature decrement depends on the electron temperature and density along the

line-of-sight in the cluster. The X-ray flux depends on the square root of the electron

temperature, the product of the electron and proton densities (effectively the square

of electron density), the volume of the hot gas cloud, and because it is an appar-

ent flux, inversely on the square of distance. If all of the microwave decrement, the

X-ray flux, and the gas temperature can be measured then an estimate of distance

can be derived from the observed size and shape of the cluster and a model of the
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gas distribution. It is to be assumed that the gas is in hydrostatic equilibrium, which

can clearly not be the case if a cluster is experiencing a merger event but might be

a reasonable approximation in some cases. There is the complication that the X-ray

flux, depending on electron density squared, will particularly arise in high density

regions of the gas, while the SZ effect arises from lower electron density, longer

path length regions. Complex modelling is required. The early analyses gave values

of the Hubble constant in the range 45-70 km s−1 Mpc−1.

Today supernovae play an important role in measurements of the scale of the

Universe but in early years their contributions were ambiguous. Walter Baade made

clear the distinction between novae that can be recurring events in stars and much

brighter supernovae, and with Fritz Zwicky, attempted to estimate their absolute

magnitudes[95, 96]. The spectra of supernovae vary considerably over time within

an event and between events. There are those without, or almost without, the spectral

features of hydrogen (called Type I) and those exhibiting strong hydrogen features

(called Type II). Various sub-classes can be identified by spectral or light curve char-

acteristics. There are two fundamentally different paths to supernova cataclysms.

There are core collapse events in massive stars that have exhausted their nuclear fu-

els, usually identified as Type II although also as Type Ib or Type Ic. Then there are

Type Ia merger or accretion events that take white dwarfs over the Chandrasekhar

limit of 1.44 M⊙ for electron degeneracy pressure support (or at least close enough

to that limit to cause ignition). The Type Ia supernovae are brighter, hence seen to

greater distances and predominant in surveys because of access to greater volumes.

Charles Kowal made an early attempt to define the absolute luminosities of the var-

ious supernova classes[97].

Attempts were made to specify absolute magnitudes using models. In principal,

a link could be made between the distance independent expansion velocity of the

supernova photosphere and the distant dependent angular expansion as determined

by measurements of temperature and apparent magnitude[98, 99, 101, 102, 103,

104]. The book from a meeting in 1984 provided a good summary of the status of

Hubble constant estimates at that date from supernova considerations[100]. With 13

separate model-driven contributions published up to 1995, the average value of H0

was 58 km s−1 Mpc−1. A leader in the field who can remain anonymous once said

“Either H0 equals 50 or we don’t understand core-collapse supernovae.” Right, one

of those.

1.5 Satellites, Supernovae, and the CMB

Changes were coming in the 1990’s. At the foundational level, the Hipparcos satel-

lite that operated from 1989 to 1993 greatly increased the number and improved the

quality of stellar parallaxes. Distances to globular clusters were increased and con-

sequently their ages decreased. By the end of the decade, it was being argued that

the oldest stars in the Galaxy had ages 12− 13 Gyr[107, 108, 109].
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In 1990, Hubble Space Telescope (HST) was launched. After a false start,

a solution was implemented with a service mission and the addition of Wide

Field/Planetary Camera 2 (WFPC2) in 1993. The full HST bounty only began to

be harvested, though, after the third service mission in 2002 with the activation

of the much more powerful Advanced Camera for Surveys (ACS). Only hints of

the considerable role that HST was to play were revealed in the last decade of

the 20th century. Even before the correction of the optics, two teams began us-

ing HST to observe cepheid variables in nearby galaxies, switching to the use of

WFPC2 as it became available. One team involved Abhijit Saha, Alan Sandage

and collaborators[121, 125, 126, 127, 128, 129]. Their results were summarized

by Tamman, Sandage, and Saha in 2000 who concluded that the distances to SNIa

calibrated by cepheids gave H0 = 58± 6 km s−1 Mpc−1[130]. The other team lead

by Wendy Freedman was formed to carry out what became known as the HST Key

Project[122, 123, 118, 124, 120]. The Key Project study, cumulatively grounded in

cepheid, tip of the red giant branch, globular cluster, planetary nebulae, and surface

brightness fluctuation observations[119], arrived at a value of the Hubble constant

of 72± 8 km s−1 Mpc−1[117].2

The effort to calibrate the SNIa scale was two-pronged. Paralleling the work

acquiring cepheid distances to hosts of SNIa were vast improvements in SNIa ac-

quisitions. The utility of the SNIa tool was much improved by the adjustments that

could be made to minimize scatter through the recognition by Mark Phillips that the

peak brightness depends on the decay rate of luminosity after peak brightness[135].

Diverse teams other than the those of the Key Project or Saha-Sandage that looked

at what could be done with SNIa in the 1990’s found values of H0 between 63 and

70[105, 136, 137, 138, 139].

Throughout this period, other methodologies continued to be used, generally con-

tributing more noise than signal. Sandage and co-workers published on studies using

a spiral luminosity function, spiral lookalikes, the globular cluster luminosity func-

tion, and their own analysis of the TF relation, finding in each case H0 = 57 within

±5 km s−1 Mpc−1[132, 133, 131, 134].

The most exciting developments with supernovae at this time did not directly

involve the Hubble constant. Observations of high redshift SNIa by teams lead by

Brian Schmidt and Saul Perlmutter[140, 141] provided evidence contrary to the

cold dark matter (CDM) model with sufficient density in matter for a closed uni-

verse (Ωm = 1). The most distant supernovae were too faint. Assuming that they

had intrinsic luminosities similar to nearby SNIa, the observations could best be fit

with a model with cosmic acceleration, such as anticipated with the inclusion of the

cosmological constant, Λ , in Einstein’s equation.

In quite another domain, a satellite to study the cosmic microwave background

was to have a profound impact on our understanding of the scale of the Uni-

verse. The Cosmic Background Explorer (COBE) that operated between 1989 and

1993 demonstrated unambiguously the black body spectrum of the cosmic mi-

crowave background, strong proof for its origin in a hot Big Bang beginning of the

2 Up to this point in the discussion, values of H0 have been given without errors. For the most part,

errors given in the last century (and often the current one) have been wildly optimistic.
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Universe[142, 143]. The strong hints of a peak in the power spectrum of fluctuations

was confirmed by the balloon experiments MAXIMA and BOOMERANG[144,

145, 146]. The angular scale of the first peak provided compelling evidence that the

Universe has a flat topology. The results from distant SNIa indicated that cold dark

matter alone could not produce a spatially flat universe and gave a preference for

the existence of vacuum energy. The microwave background and SNIa observations

taken together were consistent with a ΛCDM model of a universe with both dark

matter with density Ωm and dark energy with density ΩΛ such that Ωm +ΩΛ = 1.

There was yet another ingredient in the mix. Wide angle redshift surveys were

accumulating and more power was being seen on large scales than anticipated

by the standard CDM model with Ωm = 1[110, 111, 112, 113]. The disagree-

ments became more accute with the additional constraints imposed by the mi-

crowave background power spectrum results from COBE[114, 116, 115]. Models

with Ωm ∼ 0.3 were favored, whether with or without dark energy. Perversely, mod-

els with Ωm = 1 were still being offered that could be reconciled with the large scale

structure and microwave background information but only if H0 was taken to be

∼ 35 km s−1 Mpc−1, in utter contradiction with distance ladder observations[147,

148, 149].

Increasingly, wide field imaging and redshift surveys were becoming available

as the 20th century came to a close. Michael Hudson was reconstructing den-

sity and velocity fields from these inputs[159, 160]. It was demonstrated that the

TF relation could give distances with comparable accuracy observing at optical

R, I bands as obtained in the infrared, given area photometry using CCDs[166].

Jeff Willick and colleagues made major contributions to issues of calibration and

biasing[150, 151, 157, 152, 153, 154]. They came to favor a value of the Hub-

ble constant of 85 km s−1 Mpc−1 and, from the peculiar velocity field, matter

density Ωm ∼ 0.3[155, 156]. Riccardo Giovanelli, Martha Haynes, and colleagues

greatly enlarged the TF relation sample sizes with extensive 21cm observations with

Arecibo Telescope. They derived H0 = 69 km s−1 Mpc−1[164].

A bit of a wild card was introduced with the introduction by Avishai Dekel and

others of an analysis tool that came to be called POTENT[161, 162]. A smoothed

three-dimensional velocity field was inferred from observed radial velocities assum-

ing a potential flow, consistent with peculiar velocities arising from density pertur-

bations. Initial conditions were linked with final positions using the Zel’dovich ap-

proximation assuming linear theory of the growth of structure. Dekel et al. were able

the generate maps of the velocity and density field within a radius of 8,000 km s−1

that impressively resemble maps being built two decades later. However, it was a

considerable distraction that values of matter density were being inferred that were

Ωm ∼ 1 or only slightly less[163]. A similar high value was found for Ωm from a

power spectrum analysis of the density fluctuations arising from the Giovanelli et

al. observed peculiar velocities[165]. By contrast, an analysis based on numerical

action orbit reconstructions by Ed Shaya, Jim Peebles, and this author derived a

value of matter density of Ωm = 0.17± 0.10[168]. Igor Karachentsev and others

were remarking on the extremely cold local flow[170]. It could be seen from or-

bit reconstructions that if Ωm ∼ 1 then there would be the triple-value signatures
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of collapse[169] all over the map, a situation far from actuality. The situation was

nicely summarized by contributions at a workshop organized by Stéphane Courteau

in 1999 on cosmic flows in Victoria, Canada[158].

As the century came to an end, there was a remarkable paradigm shift. A foun-

dation for it had been laid 20 years earlier by Alan Guth’s ideas of the origin of

the Universe in an inflation driven by vacuum energy[106]. It was thought natural

that this origin would result in a universe that is close to topologically flat. The

power spectrum of cosmic microwave background fluctuations with a peak on an

angular scale of about a degree provided compelling evidence that this is the case.

The measurements that SNIa at z ∼ 1 are fainter than expected if Ωm = 1 favored

the requirement of a positive Λ contribution. There was general agreement that red-

shift surveys were indicating that there was too much structure on large scale and

that biasing between the distribution of galaxies and the distribution of matter was

insufficient to rescue Ωm = 1 models. Even though it was demonstrated that there

are large scale flows[59], flows on local scales are quiet, direct evidence for modest

fluctuations in matter. Then there was abundant evidence from measurements of the

Hubble parameter that, assuredly, the CDM universe with closure density in matter

was untenable and even an open universe with ΩΛ = 0 was contradicted.

The one model that accommodated the observations posited that the Universe is

spatially flat due to the combination of a currently dominant “dark energy” and sub-

dominant matter, most of it “dark matter”. This ΛCDM model relieved the Hubble

constant tension at the time. Any value of H0 in the range being proposed could be

accommodated. The value from the TF relation favored by this author as of 2000 was

H0 = 77 km s−1 Mpc−1, lower than earlier estimates[166] primarily because of the

availability of 24 zero-point calibrators, whereas there were only 3 in 1988[167].

The HST Key Project derived the value H0 = 71 from their calibration of the TF

relation[171]. Overall, the Key Project best value was H0 = 72 km s−1 Mpc−1[117].

For a brief period, there was no Hubble constant tension. That situation would not

last.

1.6 H0: 67 or 75?

Increasingly detailed observations were made of the cosmic microwave background

with the Wilkinson Microwave Anisotropy Probe (WMAP) that operated between

2001 and 2010 and with the Planck satellite between 2009 and 2013. The spatial

power spectrum of fluctuations could be fit in impressive detail with a ΛCDM

model with H0 = 67.4±0.5 km s−1 Mpc−1 and Ωm = 0.315±0.007[175, 174, 173].

Acoustic oscillations stimulated around dark matter fluctuations in the plasma of

the hot Universe would have an imprint in baryon structures in the cold Universe

on the scale of the sound horizon at recombination. These baryon acoustic oscilla-

tions (BAO) give rise to a feature in two-point correlation functions over a range

of redshifts, obtained in studies of large galaxy redshift surveys like the SDSS-

III Baryon Oscillation Spectroscopic Survey (BOSS) and the Dark Energy Sur-
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vey (DES)[176, 177, 178]. The angular scale of the BAO feature closely tracks

the evolution of the Hubble parameter as a function of redshift, H(z), as antici-

pated by the ΛCDM model defined by the Planck analysis. Similar consistent re-

sults are found from the power spectrum in the galaxy distributions of these redshift

surveys[179]. These exceptionally stringent observational constraints require that

H0 ≃ 67 km s−1 Mpc−1 within ∼ 1% if the popular ΛCDM model correctly de-

scribes our Universe.

Meanwhile since 2000, attention has been given to the various facets of the dis-

tance scale ladder and significantly higher values of H0 were reported, giving rise to

a new Hubble tension. Methodologies have been diverse and details regarding each

will be discussed in the ensuing chapters in this book. Only highlights of major

programs will be given attention here.

Begin at the foundation with HST. Though the number of targets is yet small,

high quality stellar parallaxes have been obtained with HST to Galactic cepheids

through a spatial scanning technique[180]. The observations are important be-

cause, earlier, all but two of the Galactic cepheids that had good parallax dis-

tances have shorter periods (T < 10 days) than the cepheids studied in exter-

nal galaxies. There are to date HST observations of cepheid variables in 42 host

galaxies of SNIa events. The coupling with SNIa observations out to z ∼ 1 yields

H0 = 73.3± 1.0 km s−1 Mpc−1[181].

Taken at face value, the difference between this ladder H0 and the early universe

ΛCDM model H0 is 5σ . The concern is unidentified systematics. For confirmation,

a completely independent path is needed. Such a path is being explored, although it

is not yet fully developed. It begins with the replacement of cepheids for distance

measurements to nearby galaxies with tip of the red giant branch. Currently, TRGB

absolute magnitudes are established through parallax measurements to horizontal

branch and RR Lyrae stars, giving distances to Galactic clusters and Milky Way

companion satellites, whence establishing the absolute magnitudes of the brightest

stars on the red giant branch.[109, 182] The astronomy community was startled in

2020 when Wendy Freedman and team replaced the calibration of SNIa with TRGB

distances to host galaxies in place of cepheid distances, and found H0 = 69.6±

1.7 km s−1 Mpc−1, consistent with the early universe value[184]. A re-evaluation of

the study determined H0 = 71.5±1.8 km s−1 Mpc−1, consistent but leaning toward

tension[183].

To have a completely separate path, there needs to be an alternative to SNIa

that can be applied at substantial redshifts. Core collapse supernovae (SNII) offer

a possibility. It has been demonstrated that there is a correlation between expan-

sion velocities and peak magnitudes, with scatter of about 15%. With still a small

sample, a calibration based on cepheids is giving H0 = 76±5 km s−1 Mpc−1[187].

The surface brightness fluctuation technique probably offers an even greater avenue

for progress because observations in the infrared with space telescopes give dis-

tances with accuracies of 5% and can reach to several hundred megaparsecs. With

current applications, again grounded through cepheid calibrations, H0 = 73.3±

2.4 km s−1 Mpc−1 is being found[186].
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Programs to study the velocity field of galaxies have been concurrent with ef-

forts to define the Hubble constant. The peculiar velocity of a galaxy can be ob-

tained independent of an absolute calibration and hence of H0. Very large samples

have been accumulated involving the TF and fundamental plane relations, extend-

ing to 0.05c− 0.1c and providing wide coverage of the sky. Individual distance

uncertainties are 20− 25% but sample sizes are in the 10’s of thousands. There

have been two noteworthy fundamental plane contributions arising from wide field

imaging and redshift programs: the Six Degree Field Galaxy Survey for peculiar

velocities (6dFGSv) targeting 9,000 E−S0 galaxies in the south celestial hemi-

sphere out to 16,000 km s−1[191, 192], and the SDSS peculiar velocity sample of

34,000 E−S0 galaxies in the north celestial, north Galactic quadrant extending to

30,000 km s−1[188]. The latter sample was given a zero-point calibration ultimately

based on cepheids, which resulted in the determination H0 = 75±2 km s−1 Mpc−1.

Complementary observations of spiral galaxies have received impetus from ex-

tensive 21cm neutral hydrogen survey programs[197, 196]. Major velocity field

studies have been published based on TF relation distance measurements[190, 198,

199, 200, 193]. It has been suggested that the correlation with spiral galaxy rota-

tion rate is tightened if HI flux is added to the optical or infrared flux, creating a

measure of the total baryonic mass. The resultant correlation has been called the

baryonic TF relation (BTFR)[194, 195]. The BTFR has been used with a sample of

10,000 galaxies, with zero point scaling set by a combination of cepheid and TRGB

distances, to obtain H0 = 75.5± 2.5 km s−1 Mpc−1[189].

It is an unfortunate feature of the distance ladder that there is no one methodology

that is useful from the nearby within the range of parallax measurements to the

redshift regime beyond peculiar velocity effects. By necessity, methodologies must

be interlinked. If the Hubble constant is to be determined robustly from the ladder,

the linkages must be robust, which is to say, they must be abundant and diverse.

However, making linkages is tricky. For example, cepheid variables are only found

in systems with young stars; likewise SNII. The use of the TF relation is restricted to

spiral galaxies. The fundamental plane and surface brightness fluctuation methods

are only used with massive early-type galaxies. The TRGB method can be used to

derive distances to essentially any galaxy but only if it is nearby; within 10 Mpc

observing with HST, unless a special effort is made. SNIa can arise in any kind of

host but they are rare nearby. There is the probability that there are subtle variations

in the luminosities of SNIa that depend on host properties, such as whether or not

there are young stars, which raises issues if calibrations only involve cepheids[204,

205, 206].

By necessity, unless targets are within the reach of cepheid or TRGB calibra-

tion, linkages between methods must be through group affiliations. Groups can

range from clusters of many hundreds of members to pairs. Linkages between

methodologies across this full range are useful and desirable. Good group cat-

alogs should have a physical basis, have a high level of completion among the

galaxy samples with distances, and have minimal contamination from interlopers.

Groups considered appropriate[201, 202, 203] were used to acquire linkages be-

tween the largest available samples of the procedures described above in the com-
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pilation of the Cosmicflows-4 compendium of 56,000 galaxy distances[185]. Sam-

ples were brought to a common absolute scale based on cepheid and TRGB cali-

brations with a Bayesian Markov chain Monte Carlo (MCMC) analysis (where a

small cepheid-TRGB scale difference was reconciled with preliminary parallax in-

formation from Gaia satellite observations). The value of the Hubble constant from

the Cosmicflows-4 compilation is arguably the best available determination from

the distance ladder because it integrates all the major methodologies and surveys.

H0 = 74.6± 0.8 km s−1 Mpc−1 is reported[185]. This statistical error is very small

because the combined sample of 56,000 galaxies in 38,000 groups is so large. It is

estimated that systematic errors could be as large as 3 km s−1 Mpc−1.

1.6.1 H0 from Models

A number of modeled observations that are independent of the distance ladder have

been proposed that have dependence on the Hubble constant, several of which are

discussed in this volume. In each instance, it must be asked if the model constrains

the Hubble constant or if the Hubble constant constrains the model. To this re-

viewer’s awareness, the strongest case of a model constraint on a galaxy distance is

provided by the nuclear maser observations of NGC 4258[207], because of the re-

markably fortuitous edge-on geometry, locations, and strength of the maser signals.

The occurrence of this event so near by (7.58 Mpc) is one of extreme luck because

the few other nuclear maser cases that have been studied give distance results that

are far less certain[208].

The detached eclipsing binary measurements that give a distance to the Large

Magellanic Cloud might likewise pass the bar of informing the extragalactic dis-

tance scale[209]. It does depend on knowledge of a surface brightness-color relation

and, more, on the locations of targets across a 5 degree field (a projection that is 9%

of the LMC distance). The claimed precision of the LMC distance is 1% but what

does that mean for an irregular system that is so large on the sky and presumably in

depth? The LMC has played an important role in the calibration of the cepheid scale

but, in the fullness of time, perhaps the two Magellanic clouds will be by-passed in

distance scale studies.

There are a number of physical properties of the Universe that, to the degree

that they are properly modeled, bear on the value of the Hubble constant. There

are strong gravitational lensing time delays of AGN signal variations through clus-

ter halos[210], gravitational waves arising from neutron star mergers[211], the

Sunyaev-Zel’dovich effect involving comparisons of the X-ray flux and microwave

background damping associated with cluster plasmas[213], cosmic chronometers

giving record to the relative passage of time with massive, passively evolving

galaxies[212], and the pair-wise galaxy separation mapping of baryon acoustic os-

cillation features at various epochs[214]. Generally, the evaluation of these interest-

ing phenomena is done in the context of the ΛCDM paradigm, which is at the root

of the H0 tension controversy.
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Some time ago, George Efstathiou initiated an attempt to reconcile the distance

ladder measurements with the early universe implications for H0[172]. He explored

possibilities of systematics that might affect ladder measurements; in other words,

relieving the Hubble tension by postulating that the ladder distances are in error. Of

course, systematic errors are possible. However, for this reviewer, the effort of rec-

onciling distance scale observations with a favored world model too easily brings

back memories of the end of the last century. The young turks of the time, of which

I suppose I was one, were rather convinced that, within a Friedmann-Lemaı̂tre-

Robertson-Walker framework, only a Λ 6= 0 cosmology model would accommodate

the distance scale measurements that used quality tools. The theoretical community

too easily discounted information on the distance scale, failing to recognize that the

influential voices of Alan Sandage and Gustav Tammann were grounded in the same

exercise of that of Efstathiou.

1.7 Future History

Readers can be forgiven for despairing of a resolution of the question of the current

expansion rate of the Universe after a hundred years of effort, though the problem

is well posed. Happily, the tools are at hand for an unambiguous resolution with

the Global Astrometric Interferometer for Astrophysics (Gaia) and the James Webb

Space Telescope (JWST). The problem can be separated into three parts: (1) the firm

calibration of the methods founded within the Milky Way, specifically cepheids and

TRGB, (2) the transfer of the calibration to methods that can be used at substantial

redshifts, particularly SNIa and surface brightness fluctuation, and (3) the acquisi-

tion of large samples with those latter methods.

It can be anticipated that there will be serious advances on the first problem over

the next year or so. The Gaia third data release (DR3) in June, 2022, provides paral-

lax information on thousands of cepheids, tens of thousands of RR Lyrae stars, and

hundreds of thousands of red giant branch stars with corollary metallicity informa-

tion. Anything written today may be well out of date to the reader.

The way forward with problems (2) and (3) will involve paths that are indepen-

dent yet connected. There are two obvious, well-defined paths; one involving young

Population I stars and the other involving old Population II stars. The Pop I path

is already well known: cepheid variables calibrate SNIa which in turn are observed

to high redshift. The Pop II path uses TRGB to calibrate surface brightness fluctua-

tions in massive elliptical galaxies which in turn are observed to high redshift. These

two paths can stand alone, but there are ample opportunities for cross-links through

commonality of calibrator hosts, SNIa in ellipticals, and group associations. TRGB

can directly calibrate SNIa in late as well as early galaxy types.

JWST is particularly well suited to exploit the Pop II path. The volume of space

opened up for TRGB observations is an order of magnitude greater with JWST

than with HST (from 10 Mpc to greater than 20 Mpc). The increase in volume for

surface brightness fluctuation measurements is at least 30-fold (from 100 Mpc to
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∼ 300 Mpc). If H0 is to be determined to a precision of 1%, calibration samples

must have sizes of at least 102 and samples at high redshift should be significantly

larger. With JWST, it is more feasible to expect that the necessary large calibrator

samples can be acquired for TRGB distances rather than for cepheid distances.

There is the prospect that the SNIa tool can be improved. While there is excite-

ment that the Vera C. Rubin Observatory will make acquisitions of large numbers

of SNIa at large redshifts, advancing our knowledge regarding cosmic acceleration,

smaller telescopes already in operation are sufficient for the simpler problem of the

Hubble constant. Surveys with names like Pan-STARRS, ATLAS, ZTF, and ASAS-

SN are picking up several SNIa events within 0.1c every night. If only there are the

resources for manpower, samples of 104+ could be gathered in a few years. With

such large samples, complemented by multi-epoch spectroscopy and photometry

at multiple optical and infrared bands, the information will be available to fine-tune

the SNIa distance tool technology to account for variations in the paths to supernova

events.

Two other large surveys in Australia will have major impacts on studies of the na-

ture of large scale structure and how it formed. WALLABY is a 21cm blind survey

with the Australian Square Kilometer Array Pathfinder that is expected to provide

some 200,000 TF measures with a mean redshift of z = 0.05. The Taipan Galaxy

Survey uses a multiplexed spectrograph on the UK Schmidt Telescope at Siding

Springs Observatory and is anticipated to obtain some 50,000 fundamental plane

distances within z = 0.1. These studies promise to make valuable contributions to-

ward a determination of the Hubble constant. However, their uncertainties of 25%

per measurement will leave them more vulnerable to systematics than can be ex-

pected with SNIa or surface brightness fluctuation measurements with 5% individ-

ual uncertainties.

As the 20th century came to an end, ladder measurements of the Hubble constant

were at odds with the favored cosmological model of the time of cold dark matter

with Λ = 0. The new favorite became the ΛCDM model with dark energy giving rise

to acceleration of space in a topologically flat universe. Yet ladder measurements,

continuously improving, create doubts that this currently favorite model is complete.

Yes, there is a Hubble tension.
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ABSTRACT

Dust absorption is invoked in a number of contexts for hiding a star that has survived
some sort of transient event from view. Dust formed in a transient is expanding away
from the star and, in spherical models, the mass and energy budgets implied by a high
optical depth at late times make such models untenable. Concentrating the dust in
a disk or torus can in principle hide a source from an equatorial observer using less
mass and so delay this problem. However, using axisymmetric dust radiation transfer
models with a range of equatorial dust concentrations, we find that this is quite difficult
to achieve in practice. The polar optical depth must be either low or high to avoid
scattering optical photons to equatorial observers. Most of the emission remains at
wavelengths easily observed by JWST, and the equatorial brightness is reduced by at
most a factor of ∼ 2 compared to isotropic emission even for equatorial (visual) optical
depths of 103. It is particularly difficult to hide a source with silicate dusts because
the absorption feature near 10µm frequently leads to the emission being concentrated
just bluewards of the feature, near 8µm.

Key words: stars: massive – supernovae: general – supernovae

1 INTRODUCTION

There are several classes of transients in which dust forms
and obscures the surviving progenitor or is argued to form in
order to explain the apparent absence of a surviving progen-
itor at optical or near-IR wavelengths. In the first category
are eruptions such as η Car (e.g., Humphreys & Davidson
1994) and stellar mergers such as V838 Mon (e.g.,
Bond et al. 2003). In the second category are debated tran-
sients such as the supernova impostors like SN 1997bs
(e.g., Van Dyk et al. 2000, Adams & Kochanek 2015) and
SN 2008S (e.g., Prieto et al. 2008, Thompson et al. 2009,
Kochanek 2011, Adams et al. 2016) or the proposed failed
supernovae NGC 6946-BH1 (Gerke, Kochanek, & Stanek
2015, Adams et al. 2017, Basinger et al. 2021).

With the constraining powers of ground based observa-
tories, Hubble (HST) and Spitzer (SST) Space Telescopes it
is feasible to hide stars with the luminosities of these progen-
itor systems from detection in nearby galaxies (<∼ 10 Mpc)
with spherical shells of dusty ejecta. The optical depth and
ejecta radius must simply be made large enough to push the
escaping emission to long enough wavelengths to evade de-
tection: sufficiently absorbed in the optical and near-IR to
be invisible or lost amid the overlapping sea of red giants,
and with dust emission cold enough to slip under the sen-
sitivity limits of (generally) warm SST at 3.6 and 4.5µm.
Hiding the emission will become much more challenging in

the era of JWST since it can easily detect such sources out
to ∼ 25µm with vastly better angular resolution for avoiding
confusion with either other stars or diffuse emission.

The combination of near-IR and bluer mid-IR observa-
tions generally rule out sources obscured by dust forming
in an on-going wind. Dust rapidly forms once temperatures
drop below the condensation temperature so, combined with
the expansion, the optical depth of a dusty wind is concen-
trated near its base. Thus, a high optical depth wind imme-
diately converts the emission from the central source into
hot (Td ∼ 1000 K) dust emission. It then takes extremely
high optical depths to absorb these photons further out in
the wind and shift the peak of the escaping emission beyond
5µm.

Colder dust emission is most easily achieved by forming
dust in material ejected in the transient. Dust forms and is
initially hot, but then becomes cooler as the ejecta moves
outwards. Dust growth ceases shortly after it forms, because
the collisional growth rates are dropping as r−2 ∝ t−2 due
to the expansion. The dust opacity is then constant, and the
mean optical depth must drop as t−2 assuming a constant
expansion velocity and mass conservation. The effective op-
tical depth could drop more rapidly than t−2 if the expand-
ing shell starts to fragment due to instabilities, leading to
the radiation escaping through lower optical depth channels
in the ejecta.

The observed spectral energy distribution (SED) of the
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source can be used to constrain the luminosity (L∗) and
temperature (T∗) of the central source, the temperature of
the dust (Td) and the visual optical depth τ of the shell.1

The detailed structure of the SED depends on the compo-
sition of the dust through the wavelength-dependent opaci-
ties, and inferences about the mass of the ejecta depend on
the dust-to-gas mass ratio. To order of magnitude, the grain
temperature is set by the available flux, σT 4

d = L∗/16πr
2, so

constraints on the overall luminosity and the dust tempera-
ture provides an estimate of the dust radius r which leads to
an estimate of the expansion velocity ve assuming r = ve∆t
after elapsed time ∆t. Given an estimate of the visual opac-
ity κ, the SED model also provides an estimate of the ejecta
mass and kinetic energy. For a thin shell τ = Meκ/4πr

2, so

Me =
4πr2τ

κ
=

L∗τ

4κσT 4

d

(1)

and

Ee =
2πr4τ

∆t2κ
=

L2
∗τ

128∆t2κσ2T 8

d

. (2)

For the debated systems with non-detections, the question
then becomes whether the velocities, masses and energies
required to make the dust cold enough to avoid detection
are plausible. Time will also tell, since in any model depen-
dent on an expanding shell, the shell eventually becomes
transparent.

Where quantitative models are made for the SEDs of
these sources, they use spherically symmetric models, prin-
cipally based on the dust radiation transfer code DUSTY

(Ivezic & Elitzur 1997, Ivezic, Nenkova, & Elitzur 1999).
Such models have two shortcomings. First, there is no rea-
son the ejecta needs to be spherically symmetric. In partic-
ular, there are invocations of models with more equatorial
than polar material with the observer near the equatorial
plane as a means of evading the limits implied by the spher-
ical SED models (e.g., Kashi & Soker 2017, Andrews et al.
2021, Bear, Soker, & Kashi 2022). Second, there is no reason
that the density distribution should remain homogeneous.
Expanding shells tend to develop instabilities, instabilities
lead to clumping of the material, and this produces lower
optical depth channels through which radiation can escape.
If instabilities develop, the effective optical depth will drop
faster than the τ ∝ t−2 drop of the mean optical depth.

In this paper we explore the first question, the effect of
deviations from spherical symmetry, by examining the SEDs
produced by axisymmetric dusty shells with large differences
between the equatorial and polar optical depths. For the op-
tical and near-IR light, the primary effect is that the polar
dust can scatter emission that would be absorbed if trying
to directly escape along the equator into the line of sight of
an equatorial observer. In the mid-IR, a polar observer sees
both less obscured direct emission from the central source
and dust emission with a broad range of temperatures from
the highly obscured regions. Naively, the equatorial observer

1 Optical depths in the text are all visual band (0.55µm) effec-
tive optical depths τ = (τa(τs + τa))1/2 given the absorption and
scattering optical depths τa and τs. The effective optical depth
takes into account the extra path length created by the scatter-
ing. For the disk models, the polar and equatorial visual effective
optical depths are τp and τe.

sees reduced and colder emission. We describe the model
used in §2, present the results in §3 and discuss their conse-
quences in §4.

2 MODEL

We used the RADMC-3D (Dullemond et al. 2012) Monte Carlo
dust radiation transfer package to carry out the calculations
in axisymmetry with reflection symmetry about the equator.
We used the disky dust density model from Ueta & Meixner
(2003),

ρd =
[τp + (τe − τp) (1− |cos θ|)η]

Rinκ

(

1−
Rin

Rout

)−1 (

Rin

R

)2

where τp and τe are the optical depths at the pole and the
equator (τe > τp), Rin and Rout are the inner and outer
edges of the dust shell, and η controls the concentration
of the dust towards the equatorial plane, as illustrated in
Fig. 1. Larger values of η more strongly concentrate the
dust towards the equator. We normalize the optical depths
at V-band (0.55µm) based on the effective absorption opac-
ity κ = (κa(κa+κs))

1/2 given the absorption κa and scatter-
ing κs opacities. The effective absorption takes into account
the increase in absorption due to scattering lengthening the
distance a photon travels. The mass of the shell is

Mej =
4πRinRoutτe

fdκ

1 + ητp/τe
1 + η

(3)

where fd ≃ 0.005 is the dust mass fraction in the shell.
If τp/τe ≪ 1, then the shell mass is (1 + η)−1 less than a
spherical shell with the equatorial optical depth τe – the dust
has to be very equatorially concentrated (large η) before
there is a large change in the required mass. If the expansion
velocity is ve and the elapsed time is ∆t so that Rin = ve∆t,
the ejecta mass is

Me = 6.3
τ

100

Rout

Rin

(

ve
103 km/s

∆t

10 yr

)2 (

100 cm2/g

fdκ

)

×
1 + ητp/τe

1 + η
M⊙ (4)

and the kinetic energy, assuming everything has a velocity
of ve, is

Ke = 0.062
τ

100

Rout

Rin

(

ve
103 km/s

)4 (

∆t

10 yr

)2 (

100 cm2/g

fdκ

)

×
1 + ητp/τe

1 + η
FOE (5)

where 1 FOE = 1051 erg is the characteristic energy of a
supernova. Assuming the velocity is the same for all material
is equivalent to assuming the shell thickness is due to the
duration of the event rather than a spread in velocity. If
we instead linearly increase the velocity with shell radius to
explain the thickness, the kinetic energy would increase by
(R2

in +RinRout +R2
out)/3R

2
in or a factor of 7/3 for Rout =

2Rin.
We used a log normal grain size distribution with

a mean radius of 0.1µm and a width of 0.05µm (i.e.,
0.3 dex). We generated the opacity tables with OpTool

(Dominik, Min, & Tazaki 2021) and their default Distribu-
tion of Hollow Spheres (DHS, Min, Hovenier, & de Koter
2005) opacity model. We used the pyroxene silicate dust

© 0000 RAS, MNRAS 000, 000–000



Transients Obscured by Dusty Disks 3

0 20 40 60 80
0

2

4

6

8

10

Figure 1. Examples of the polar angle dependent optical depth
produced by Eqn. 2 with an equatorial optical depth of τe = 10,
a polar optical depth of τp = 1 and exponents of η = 1/2, 1, 2, 4
and 8.

Figure 2. The wavelength dependence of the effective optical
depth for the graphitic gra (black solid) and silicate sil1 (black
dashed) and sil2 (red dotted) dust models normalized to have an
effective visual (0.55µm) optical depth of τ = 100. The upper axis
gives the temperature corresponding to the mean photon energy
(T = hc/2.7kλ). Horizontal bars at bottom show the wavelength
ranges spanned by HST, warm SST and JWST.

model (model “sil1”, Dorschner et al. 1995) and the Draine
(2003) graphitic (model “gra”) and astrosilicate (model
“sil2”) dust models. Fig. 2 shows the wavelength dependence
of the effective absorption optical depth for the three mod-
els normalized to a visual optical depth of τ = 100. One
important difference between them for the results is that
graphitic dusts lack the strong silicate absorption feature at
10-20µm. One reason for including the two silicate models
is to explore the role of this feature, where the sil1 model
has a peak mid-IR opacity greater than its V band opacity,
while the sil2 model has a weaker peak. The other impor-
tant difference is that the silicate dusts have much higher
scattering opacities. At 0.55µm, the absorption, scattering
and effective opacities are (κa, κs, κ) = (380, 8700, 1900),
(2600, 9300, 5600), and (93000, 39000, 110000) cm2/g for the
sil1, sil2 and gra models, respectively. Scattering is impor-
tant only for the UV and optical – it becomes steadily less
important relative to absorption moving into the infrared.
Fig. 2 also shows the wavelength ranges covered by HST
(WFC3/IR not NICMOS), warm SST and JWST to illus-
trate the wavelength ranges where observations are feasible.

For these experiments, we model the central source
based on the progenitor of NGC 6946-BH1. The central star
is a black body treated as a point source with luminosity
L∗ = 3× 105L⊙ and temperature T∗ = 4000 K. We include
dust scattering, but RADMC-3D is restricted to isotropic scat-
tering for calculations in two dimensions unless doing a full
scattering analysis with polarization. We used the simpler,
faster mode with isotropic scattering. We used 100 radial
zones between Rmin and Rmax = 2Rmin and 90 angular
zones between the equator and the pole. The dust tem-
perature was set using 106 photon packets, ten times the
RADMC-3D default and the SEDs were generated using its
default parameters.

We used an expansion velocity of ve = 103 km/s and
considered expansion times of ∆t = 1, 3, 5, and 10 years,
leading to Rin = 632, 1054, 2108, and 4216 AU (1015.98 ,
1016.20, 1016.50 and 1016.80 cm). Only the radius is actually
relevant, and these could just as well represent a system
with ve = 200 km/s expanding for 15, 25, 50 and 100 years.
Similarly, changes in distance or time can also be viewed
as changes in luminosity since the emission is really con-
trolled by L∗/r

2. We ran models with polar optical depths
of τp = 0.1, 1.0 and 3.0 and equatorial optical depths of
τe = 10, 30, 100, 300 and 1000 over the range equatorial
concentration power law indices from η = 0.5 to 8.0 (see
Fig. 1). For comparison, we also ran spherically symmetric
models at each optical depth.

3 RESULTS

Figs. 3 through 7 survey the results as functions of η and τe
for fixed τp = 1 and ∆t = 3 yr. The results are shown for
τe = 10, 30, 100 and 300 and all three dust types with one
figure for each of η = 1/2, 1, 2, 4 and 8, corresponding to an
increasingly disky dust distribution (see Fig. 1). The emer-
gent spectral energy distribution (SED) is shown for viewing
angles from pole-on (0◦) to edge on (90◦) in increments of
10◦, along with the SEDs for spherical models with the two
limiting optical depths of τe and τp

If we focus first on the graphitic models with η = 1 in

© 0000 RAS, MNRAS 000, 000–000
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Figure 3. Spectral energy distributions for models with η = 1/2, ∆t = 3 yr, polar optical depth τp = 1 and equatorial optical depths
of τe = 10 (top), 30 (middle), 100 (middle) and 300 (bottom) for the sil1 (left), sil2 (middle) and graphitic (right) dusts. The solid lines
are the SEDs of the disky models viewed from 0◦ (pole-on, most optical emission) to 90◦ (edge on, least optical emission) in increments
of 10◦. The dashed (dotted) line is the SED for a spherical model with an optical depth of τp (τe).

Fig. 4 we see that the optical and near-IR emission smoothly
shifts between the two limiting spherical models with view-
ing angle. As the equatorial optical depth increases, the star
steadily becomes optically “invisible” to higher and higher
latitudes. The mid-IR emission lies between the two limiting
cases but fairly close to the τe spherical model - for exam-
ple, the spherical models absorb 63% (τ = 1) and 100%
(τ = 10) of the optical emission, respectively, while the
disky model with τe = 10 absorbs 99% and so the total
mid-IR emission is very close to the higher optical depth

spherical model, although the dust emission is slightly hot-
ter. As we raise τe, the optical depth of the disk starts to be-
come important at the wavelengths of the dust emission. The
longer wavelengths continue to simply escape but the shorter
wavelengths begin to preferentially escape along directions
away from the disk. Nonetheless, the mid-IR emission peak
is bluer than the high optical depth spherical model from all
viewing directions.

Two issues make the behavior of the silicate models
quite different. The first is that the silicate dust has a much

© 0000 RAS, MNRAS 000, 000–000
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Figure 4. Same as Fig. 3 but for η = 1.

higher scattering opacity in the optical. Thus, if we look at
the optical SEDs for the silicate models, we always see signif-
icantly more optical emission than in the high optical depth
spherical model even when viewed from the equator. Optical
photons heading towards the polar regions are scattered to
observers closer to the equator through the reduced optical
depth regions higher above the equatorial plane. This means,
however, that the polar optical emission is less than in the
low optical depth spherical model. The photons scattered to
the equatorial observers are not replaced by initially equa-
torially directed photons being scattered towards the poles
because they are absorbed in the disk.

The second difference comes from the strong mid-IR ab-
sorption features discussed earlier (Fig. 2). In the low optical
depth spherical models, the effects of the absorption features
are modest. However, in the high optical depth models, the
structure of the SED is the inverse of the opacity, with emis-
sion peaking on the blue side of the absorption feature, a
strong dip in emission at the opacity peak near 10µm, a
weaker emission peak at the dip in the opacity near 20µm
and then a smoother decline at longer wavelengths. As the
equatorial optical depth increases, the emission on the blue
side of the mid-IR opacity peak strengthens while the emis-
sion on the red side remains similar to the spherical model.

© 0000 RAS, MNRAS 000, 000–000
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Figure 5. Same as Fig. 3 but for η = 2.

We can understand this as a version of the greenhouse
effect created by the structure of the silicate opacity in
Fig. 2. The opacity has a tremendous drop on the blue
side of the peak near 10µm, but only a slow tail-off on the
red side. So if the dust has a temperature corresponding
to wavelengths around the opacity peak, and the optical
depth is high, then photons bluer than 10µm escape rela-
tively easily while redder photons are reabsorbed. To reach
a radiative equilibrium, the dust heats up until it can ra-
diate enough energy in the opacity trough to balance the
heating. As the optical depth increases, the absorption of
redder photons increases faster than that of the bluer pho-

tons, so the emission in the opacity trough increases relative
to the longer wavelength emission. The emission at ∼ 8µm
becomes steadily stronger as the equatorial opacity increases
even when viewed from the equator.

For the less disky η = 1/2 models in Figs. 3, the SEDs
simply shift to more closely resemble the high optical depth
spherical models. The polar optical emission is reduced, as
is the scattered light contribution to more equatorial ob-
servers. The silicate emission peak also becomes stronger
and more closely resembles the spherical models.

As we now consider the diskier models in Figs. 5 through
7 there are two primary changes. First, it becomes easier
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Figure 6. Same as Fig. 3 but for η = 4.

to scatter optical photons to an equatorial observer. Once
a photon emitted upwards is scattered, a thinner disk has
less optical depth for reabsorbing it when it is scattered
towards an equatorial observer. For the same equatorial op-
tical depth, there is also simply more escaping optical light
because the concentration of the dust towards the equa-
tor means there is less absorption at intermediate latitudes.
For example, averaging exp(−τ ) over inclination for τp = 1
and τe = 100, the fraction of V band photons escaping is
7.5 × 10−5, 0.004, 0.033, 0.11 and 0.20 for η = 1/2, 1, 2, 4
and 8, respectively.

Second, the optical depth difference between moving

out through the disk versus perpendicular to the disk be-
comes increasingly large. For our angular structure in the
limit that τp → 0 and we extend the dust distribution to
Rout → ∞, the ratio of the optical depth from the equa-
tor perpendicular to the disk or radially through the disk is
0.83 for η = 1/2 and drops to 0.57, 0.35, 0.21 and 0.11 for
η = 1, 2, 4 and 8, respectively. This will lead to more of the
mid-IR emission escaping towards the poles compared to the
η = 1/2 model. For the graphitic dust, this makes the SED
shift bluewards away from the high optical depth spherical
model and closer to the lower optical depth spherical model.
For the silicate dusts, the strength of the features created by
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Figure 7. Same as Fig. 3 but for η = 8.

the silicate opacity bump weakens and the SEDs resemble
those of a more disky (higher η) and lower equatorial optical
depth model.

Fig. 8 shows the inferred isotropic luminosities for the
η = 1/2 (Fig. 3), η = 2 (Fig. 5) and η = 8 (Fig. 7) as
a function of viewing angle and equatorial optical depths of
τe = 10, 30, 100, 300 and 1000 with τp = 1 and ∆t = 3 years.
By isotropic luminosity we mean integrating over the ob-
served SED and assuming the source would have the same
SED if viewed from any direction, and we compare it to
the true luminosity L∗. As can roughly be inferred from the
SEDs, the isotropic luminosity is generally fairly similar to

the true luminosity. Viewed pole-on, the isotropic luminos-
ity is higher because the observer receives both significant
optical emission and infrared emission from the disk. Viewed
edge-on, the isotropic luminosity is lower because there is lit-
tle or no optical emission and the infrared emission is mod-
estly reduced. But even for the very disky (η = 8) models
with very high optical depths (τe = 1000), the isotropic lu-
minosities are only off from the true luminosities by factors
of ∼ 2. The variation with inclination then declines for less
disky configurations (lower η) or lower equatorial optical
depths. This gibes with the illuminated slab models consid-
ered in Adams et al. (2017), which found that even with no
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Figure 8. The isotropic luminosity Lisotropic inferred from the SEDs in Figs. 3-7 as a function of viewing inclination angle (0◦ is
pole-on, 90◦ is edge-on) relative to the true luminosity L∗ for the sil1 (left), sil2 (middle) and gra (right) dusts. Results are shown for
η = 1/2 (cyan solid), η = 2 (black dashed) and η = 8 (red dotted) and optical depths of τe = 10 (least dependence on inclination), 30,
100, 300 and 1000 (strongest dependence on inclination) for fixed τp = 1. Even for a τe = 1000 disk viewed exactly edge on, the isotropic
luminosity is within a factor of ∼ 2 of the true luminosity.

emission able to escape to the observer through lower optical
depth, higher latitude regions above the disk, the isotropic
luminosity was only reduced by a factor of ∼ 4.

Fig. 9 shows the consequences of changing the polar
extinction over the range τp = 0.1, 0.3, 1.0 and 3.0 for
τe = 100, η = 8 and ∆t = 3 years. The optical emission of
the graphitic model is simply increasingly suppressed. Be-
cause of the greater importance of scattering for the sili-
cate the equatorial optical emission initially increases with
τp even as the polar emission decreases. The increasing polar
optical depth also drives a strengthening of the mid-IR sili-
cate emission feature, similar to the effects from reducing η.
Only when the polar optical depth becomes sufficiently high
does the optical equatorial emission begin to drop again.

Finally, in Fig. 10 we show how the SEDs of the η = 8
models with τe = 100 and τp = 1 depend on the dust radius,
phrased as observation times of ∆t = 1, 3, 5 and 10 years
assuming an expansion velocity of ve = 103 km/s. This is
not a true time sequence because we are holding the optical
depths fixed. If we started the sequence with τe = 100 at
∆t = 1 year, the optical depths would be τe = 11, 4 and 1 at
the later times. To actually have τe = 100 at ∆t = 10 years,
the optical depth at ∆t = 1 year would have to be τe = 104!

Not surprisingly, the optical and near-IR emission de-
pends little on the radius to the dust. The geometry of
absorbing and scattering these photons is essentially self-
similar. The mid-IR emission changes because the flux heat-
ing the dust is dropping. The SED peak shifts to longer
wavelengths, roughly like the black body prediction of λ ∝
∆t1/2, and the silicate emission peak weakens. The devel-
opment of the deep minimum in the SED at 5-10µm would
make it relatively easy for these models to evade detection by
warm SST. This is particularly true for the silicate models,
where the high optical depth spherical models all produce
an emission peak at these wavelengths. The mid-IR emission
peak still lies at wavelengths easily probed by JWST.

4 DISCUSSION

Disky dust distributions have been invoked in a number of
contexts to try to better hide stars posited to have survived
an eruptive transient from detection (e.g., Kashi & Soker
2017, Andrews et al. 2021, Bear, Soker, & Kashi 2022).
They have the advantage that the require less mass and
energy to maintain a significant optical depth towards an
equatorial observer at late times than a spherical distribu-
tion of the same optical depth. It was also generally assumed
that a large fraction of the dust emission which would have
been sent towards an equatorial observer in a spherical ge-
ometry would instead escape towards the poles, making the
source significantly dimmer in the mid-IR.

Unless the dust distribution is carefully arranged, us-
ing a disk geometry will tend to enhance the optical emis-
sion seen by an equatorial observer. Photons scatter off dust
above the disk and then can propagate to an equatorial ob-
server. This can be minimized by having no modest optical
depth paths from the source to the observer – either no polar
dust, or enough polar dust that optical emission perpendic-
ular to the disk is also heavily absorbed. This is especially
true for silicate dusts with their higher optical scattering
opacities.

For silicate dusts, a disk geometry can significantly re-
duce the emission at 5-10µm compared to spherical models.
This is a consequence of the strong 10µm silicate dust ab-
sorption feature, which drives a significant emission peak on
the blue side of the absorption in the spherical models. The
feature still exists for the disky models, but it can be con-
siderably weaker and becomes weaker for diskier geometries
and colder dust. The changes in the mid-IR emission for
graphitic dust are much smaller because the opacity simply
declines monotonically to longer wavelengths. The mid-IR
emission beyond 10µm is shifted to bluer wavelengths than
a spherical model with the same optical depth as the disk.

© 0000 RAS, MNRAS 000, 000–000
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Figure 9. The effect of varying the polar optical depth over the range τp = 0.1 (top), 0.3, 1.0 and 3.0 (bottom) with τe = 100, η = 8
and ∆t = 3 years for the sil1 (left), sil2 (middle) and gra (right) dusts. The SEDs are again shown for inclinations of 0◦ (pole-on) to 90◦

(edge-on) in increments of 10◦ and the dotted and dashed lines are for spherical models with optical depths of τe and τp, respectively.

None of the models strongly suppress the equatorial flux
compared to a spherical model. The isotropic luminosities
of the disk models are only suppressed in the equatorial
direction by a factor of ∼ 2 even when the optical depth
through the disk is τe = 103. Similarly, the polar isotropic
luminosities are only enhanced by similarly modest factors.
Adams et al. (2017) had already noted that even an infinite
slab of dust with similar optical depths was only reducing
the isotropic luminosity by a factor of 4 despite having no
low optical depth paths between the observer and the source.

It was always possible to hide stellar luminosity sources
at optical, near-IR and warm-SST mid-IR, which could only
characterize the emission bluewards of 5µm, given sufficient
dust at a large enough radius. The low resolution of SST
also made it difficult to separate stellar and diffuse emission.
The velocities required were plausible. The problem was that
expansion inexorably reduces the optical depth and so the
veil either had to clear on ∼ 10 year time scales or the
mass and energy budget required to maintain it became un-
physical. The disk geometry can reduce the mass and energy

© 0000 RAS, MNRAS 000, 000–000
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Figure 10. Inclination dependent SEDs as in Figs. 3-7 for η = 8 and fixed τe = 100 and τp = 1 as a function of time, with ∆t = 1 year
(top), 3, 5 and 10 years (bottom) for the sil1 (left), sil2 (middle) and gra (right) dusts. The SEDs are again shown for inclinations of 0◦

(pole-on) to 90◦ (edge-on) in increments of 10◦ and the dotted and dashed lines are for spherical models with optical depths of τe and
τp, respectively. This is not a real time sequence since we are holding the optical depths fixed rather than dropping them as ∆t−2.

requirements to maintain the absorption at later times, but
they must be quite geometrically thin to produce a large
drop in either.

It is essentially impossible to hide survivors of relatively
nearby transients like SN 1997bs, SN 2008S or NGC 6946-
BH1 from JWST. With excellent point source sensitivity out
to 25µm, the mid-IR emission peak predicted in either the
spherical or disky models is observable for decades. Putting
the dust at a large enough distance to put the peak emis-

sion well beyond 25µm requires impossible masses, kinetic
energies and elapsed times.
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ABSTRACT
The joint analysis of different cosmological probes, such as galaxy clustering and weak lensing, can potentially yield invaluable
insights into the nature of the primordial Universe, dark energy and dark matter. However, the development of high-fidelity
theoretical models that cover a wide range of scales and redshifts is a necessary stepping-stone. Here, we present public high-
resolution weak lensing maps on the light cone, generated using the 𝑁-body simulation suite AbacusSummit in the Born
approximation, and accompanying weak lensing mock catalogues, tuned via fits to the Early Data Release small-scale clustering
measurements of the Dark Energy Spectroscopic Instrument (DESI). Available in this release are maps of the cosmic shear,
deflection angle and convergence fields at source redshifts ranging from 𝑧 = 0.15 to 2.45 with Δ𝑧 = 0.05 as well as CMB
convergence maps (𝑧 ≈ 1090) for each of the 25 base-resolution simulations (𝐿box = 2000 ℎ−1Mpc, 𝑁part = 69123) as well as
for the two huge simulations (𝐿box = 7500 ℎ−1Mpc, 𝑁part = 86403) at the fiducial AbacusSummit cosmology (𝑃𝑙𝑎𝑛𝑐𝑘 2018).
The pixel resolution of each map is 0.21 arcmin, corresponding to a HEALPiX 𝑁side of 16384. The sky coverage of the base
simulations is an octant until 𝑧 ≈ 0.8 (decreasing to about 1800 deg2 at 𝑧 ≈ 2.4), whereas the huge simulations offer full-sky
coverage until 𝑧 ≈ 2.2. Mock lensing source catalogues are sampled matching the ensemble properties of the Kilo-Degree
Survey, Dark Energy Survey, and Hyper-Suprime Cam weak lensing datasets. The produced mock catalogues are validated
against theoretical predictions for various clustering and lensing statistics such as galaxy clustering multipoles, galaxy-shear and
shear-shear, showing excellent agreement. All products can be downloaded via a Globus endpoint (see Data Availability).
Key words: keyword1 – keyword2 – keyword3
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1 INTRODUCTION

The quest to understand dark energy and pin down possible devia-
tions from the standard model has spawned a number of large-scale
structure (LSS) experiments. Measuring the statistics of LSS pro-
vides a powerful tool for constraining dark energy, which comple-
ments Type Ia supernovae and cosmicmicrowave background (CMB)
probes. The galaxy two-point correlation function, which describes
the spatial clustering of galaxies, has provided some of the earliest
and most robust evidence for the ΛCDM model (Cole et al. 2005;
Tegmark et al. 2006; Groth & Peebles 1977; Blumenthal et al. 1984;
Maddox et al. 1990; Baugh 1996; Maddox et al. 1996; Eisenstein &
Zaldarriaga 2001; Collins et al. 1992; Szapudi & Gaztanaga 1998;
Huterer et al. 2001; Saunders et al. 2000; Hamilton & Tegmark 2002;
Percival et al. 2001; Padmanabhan et al. 2007). In addition, LSS is
sensitive to dark matter and dark energy through cosmic shear –
slight distortions of the shapes of background galaxies due to the
gravitational lensing of the light rays traveling towards us. A benefit
of cosmic shear measurements is that they aremore directly related to
the distribution of mass and can thus be used to stress test the cosmo-
logical paradigm. Finally, the cross-correlation between lens galaxy
positions and source galaxy shapes, known as galaxy–galaxy lens-
ing, provides a link between galaxy clustering and cosmic shear and
a powerful tool for the joint analysis of weak lensing and galaxy clus-
tering measurements, which is known to break degeneracies between
a number of model parameters, thereby harvesting more constraining
power for the cosmological parameters (Brainerd et al. 1996; Fischer
et al. 2000; Mandelbaum et al. 2006; Johnston et al. 2007; Cacciato
et al. 2009; Leauthaud et al. 2012; Choi et al. 2012; Mandelbaum
et al. 2013; Velander et al. 2014; Clampitt et al. 2017; Leauthaud et al.
2017; Kwan et al. 2017; Prat et al. 2018). The combination of these
LSS probes: galaxy clustering, cosmic shear, and galaxy–galaxy lens-
ing, informs us about both structure formation in the late Universe
and helps us calibrate poorly understood astrophysical processes.
To meet the science goals of the new generation of surveys (DESI,

Euclid, DES, KiDS, HSC, LSST) (DESI Collaboration et al. 2016a;
Levi et al. 2019; Flaugher et al. 2015; Abbott et al. 2018; Dark
Energy Survey Collaboration et al. 2016; Hikage et al. 2019; Ai-
hara et al. 2018; Heymans et al. 2021; Kuĳken et al. 2015; Amen-
dola et al. 2013; LSST Dark Energy Science Collaboration 2012),
it is crucial to match our experimental efforts with theoretical ones.
However, the lensing correlations on sub-degree angular scales are
the result of non-linear gravitational clustering, which cannot be de-
scribed by a purely analytic prescription. In lieu of a completely
analytic model, cosmologists often adopt numerical 𝑁-body simula-
tions, which through clever computational techniques, arrive at the
answer for the non-linear growth of large-scale structures, and can
thus be used to model the gravitational lensing distortions. Tradition-
ally, producing weak lensing observables via numerical simulations
relies on ray-tracing techniques (Blandford et al. 1991; Wambsganss
et al. 1998; Jain et al. 2000; White & Hu 2000; Hamana et al. 2002;
Vale & White 2003; White & Vale 2004; Hilbert et al. 2009; Becker
2013). In this approach, light rays are back-traced from the observer
to the source, as they are deflected from multiple projected-mass
lens planes. Statistics measured from ray-tracing simulations have
shown good agreement with the predictions of non-linear theory, but
they come at a substantial computational price and are thus often
restricted to small (few deg2) patches in the sky.
In order to accurately model the wide-field measurements of cur-

rent experiments, one needs to cover a wide range of scales: from
the few-degree large linear scales down to the few-arcmin small non-
linear scales. An alternative method to ray-tracing, which is much

less computationally expensive and thus readily capable of produc-
ing large lensing maps, involves the so-called Born approximation,
where the matter from an 𝑁-body simulation is projected along un-
perturbed paths using the single-plane approximation. This method
can be implemented over large-volume high-resolution simulations
and and is well-known to yield accurate weak-lensing observables
on the curved sky for sources at 𝑧𝑠 ∼ 3 or the CMB lensing (for
𝑧𝑠 ≈ 1100) (Gaztanaga & Bernardeau 1998; Fosalba et al. 2008; Das
& Bode 2008; Teyssier et al. 2009).
Apart from themethod of producingweak lensingmaps, one needs

to also decide on a “galaxy-painting” technique for generating mock
catalogues with realistic galaxy populations in an 𝑁-body simula-
tion. Several well-known galaxy population mechanisms are often
adopted: the halo occupation distribution (HOD) (e.g. Peacock &
Smith 2000; Seljak 2000; Scoccimarro et al. 2001; Berlind & Wein-
berg 2002; Kravtsov et al. 2004; Zheng et al. 2005), which describes
the probability a halo with mass𝑀halo contains 𝑁𝑔 galaxies; subhalo
abundance matching (SHAM) (e.g. Vale & Ostriker 2004; Conroy
et al. 2007), which relates directly subhalo properties (such as mass
and circular velocity) to galaxy properties (such as luminosity and
stellar mass); and semi-analytic models (SAMs) (e.g. Baugh 2006;
Benson 2012; Somerville et al. 2008), which uses analytic prescrip-
tions to model the formation and evolution of galaxies by usually
utilizing the halo merger histories. A prerequisite for both SAMs
and SHAM models is the existence of subhalo catalogues (as well
as well-resolved merger trees in the case of SAMs), which can be
challenging to obtain in ∼Gpc3 volume simulations due to the large
memory and CPU requirements needed to output them. Recent ad-
vances in HODmodelling (see e.g., Hadzhiyska et al. 2020, 2021; Xu
et al. 2021a,b; Yuan et al. 2022) allowing for greater flexibility and
accuracy of the model have recast the HOD method into a favored
choice for efficiently populating cosmological volume simulations
with galaxies in the era of large redshift surveys.
Here, we employ the AbacusSummit suite of high-performance

cosmological 𝑁-body simulations (Maksimova et al. 2021b), de-
signed to meet the simulation requirements of the Dark Energy Spec-
troscopic Instrument (DESI) survey and run with the high-accuracy
cosmological code Abacus (Garrison et al. 2018, 2019, 2021b). In
particular, we populate its halo light cone catalogues, which have
been shown to be accurate at the sub-percent level (Hadzhiyska et al.
2022c) with galaxies according to the AbacusHOD model, which
equips the baseline HOD model with various generalizations per-
taining to halo-scale physics and assembly bias (Yuan et al. 2022).
In this paper, we describe the AbacusSummit weak lensing prod-

ucts, which consist of octant and all-sky lensing maps with sub-
arcmin resolution as well as source and lens galaxy mock catalogues
necessary for simulating cross-correlations between the galaxy and
lensing fields. We detail the construction process of the convergence,
shear, and deflection field maps as well as the assignment proce-
dure of various synthetic lensing properties to the HOD galaxy mock
samples. We validate these observables using basic lensing statistics,
such as the convergence angular power spectrum and the shear 2-
point correlation function, and the cross-correlations of foreground
and background galaxy samples. Several similar efforts for generat-
ing synthetic weak lensing observables exist in the literature. The
Buzzard suite of weak lensing mocks (DeRose et al. 2019) are simi-
lar to our work, but instead of the Born approximation, they adopt a
ray-tracing technique, which allows one to use lower-resolution sim-
ulations. We note that the Buzzard mocks cover a smaller area on the
sky and have lower resolution than AbacusSummit, though the AD-
DGALS technique allows for the injection of a high-density galaxy
sample at arbitrary redshifts. Another notable effort in the realm of

MNRAS 000, 1–20 (2015)
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synthetic lensing catalogues is the CosmoDC2 suite of mocks (Kory-
tov et al. 2019), which is run on a single, but larger box and employs
a ray-tracing recipe (output at 𝑁side = 4096). As a result, the gener-
ated patches are smaller but probe deeper redshifts (𝑧 ≈ 3). A benefit
of these mocks is that in addition to the lensing properties, they
also output stellar mass, morphology, spectral energy distributions,
and broadband filter magnitudes via a semi-analytic prescription.We
also highlight the Stage-III-oriented CosmoGridV1 synthetic maps
(Kacprzak et al. 2022), which are applied to a variety of cosmolo-
gies and adopt the Born approximation. Due to the computational
expense, they utilize lower-resolution and smaller simulations, and
address box repetition issues via a novel shell permutation scheme.
Planned for the near future is the generation of AbacusSummit
weak lensing catalogues on the extended cosmology grid, which
similarly to the CosmoGridV1 mocks, will be enhanced by baryoni-
fication recipes and used to constrain cosmological parameters from
Stage-IV survey data. Recently, the MillenniumTNG team released
high-fidelity weak lensing maps generated from a full-physics hydro-
dynamical simulation adopting the Born approximation (Ferlito et al.
2023). Other simulations focusing on weak-lensing statistics derived
via full ray-tracing include Takahashi et al. (2017); Harnois-Déraps
et al. (2018).
This paper is organized as follows: Section 2 briefly introduces

the AbacusSummit suite of simulations and accompanying prod-
ucts relevant to this study. In Section 3 we explain our procedure
for generating weak lensing maps from the dark-matter outputs on
the light cone, and validate the products. Section 4 details and tests
our recipe for assigning lensing properties to mock galaxies by using
2-point shear auto and cross-correlation statistics in harmonic and
configuration space. In Section 5, we describe our pipeline for gener-
ating realistic DESI-, DES-, HSC- and KiDS-like mock catalogues.
Finally, in Section 6, we summarize ourmain results and conclusions.

2 SIMULATIONS

In this Section, we introduce the AbacusSummit suite of high-
performance cosmological 𝑁-body simulations and its relevant com-
ponents, which were employed in the generation of theAbacusSum-
mitweak lensingmaps and catalogues.AbacusSummit (Maksimova
et al. 2021a) was designed tomeet and exceed the Cosmological Sim-
ulation Requirements of the DESI survey. The simulations were run
with Abacus (Garrison et al. 2019, 2021a), a high-accuracy cosmo-
logical 𝑁-body simulation code, optimized for GPU architectures
and for large-volume simulations, on the Summit supercomputer at
the Oak Ridge Leadership Computing Facility.
The majority of the AbacusSummit simulations are made up of

the so-called base resolution boxes, which house 69123 particles
in a 2 Gpc/ℎ box, each with a mass of 𝑀part = 2.1 109 ℎ−1M� .
Additionally, we utilize the huge boxes with corresponding di-
mensions of 86403 particles in a 7.5 Gpc/ℎ box (with particle
mass of 𝑀part = 5.6 1010 ℎ−1M�). While the AbacusSummit
suite spans a wide range of cosmologies, here we focus on the
fiducial outputs (Ω𝑏ℎ

2 = 0.02237, Ω𝑐ℎ
2 = 0.12, ℎ = 0.6736,

109𝐴𝑠 = 2.0830, 𝑛𝑠 = 0.9649, 𝑤0 = −1, 𝑤𝑎 = 0), consisting of 25
base (AbacusSummit_base_c000_ph{000-024}) and two huge
runs (AbacusSummit_huge_c000_ph{201,202}). For full details
on all data products, see Maksimova et al. (2021a).

Figure 1. Visualization of the geometrical arrangement of the AbacusSum-
mit light cones. The original box, of length 2 ℎ−1Gpc, is centered at (0, 0, 0),
while two identical copies are placed at (0, 0, 2000) and (0, 2000, 0) ℎ−1Mpc.
The observer is located at the corner of the original box, at (-990, -990, -990)
ℎ−1Mpc.

2.1 Particle light cone catalogues

AbacusSummit outputs a number of light cone quantities. At every
timestep,Abacus identifies particles that belong to the light cone and
outputs their positions, velocities, particle IDs, and HEALPix pixel
number. The particle outputs contain only a 10% subsample of the
particles, the so-called A and B subsamples, whereas the HEALPix
products contain all particles. The pixel orientation of the latter is
such that the +𝑧 direction coincides with the North Pole. These maps
come at a resolution of 𝑁side = 16384, corresponding to∼0.2 arcmin,
sufficient to probe the subhalo regime.
The geometrical arrangement of the base light cones is shown in

Fig. 1. In these simulations, which have box length of 2 ℎ−1Gpc on a
side, the light cone observer is positioned at (-990, -990, -990), or, in
other words, 10 ℎ−1Mpc inside the corner of the original box. Three
boxes, seemlessly attached to each other in an L shape, form the
eligible space of the light cone, centered at (0, 0, 0), (0, 0, 2000), and
(0, 2000, 0), respectively (measured in ℎ−1Mpc units). Particles are
output on-the-fly from every time step, where their trajectories are
linearly interpolated to find the time when the light cone intersects
their paths. Their positions and velocities are updated to this time.
This provides an octant to a distance of 1990 ℎ−1Mpc (𝑧 ≈ 0.8),
shrinking to two patches each about 900 square degrees at a distance
of 3990 ℎ−1Mpc (𝑧 ≈ 2.45).We stress that all structure below 𝑧 ≈ 0.8
comes from the original box and is thus ‘unique,’ while at higher
redshifts, the repeated (overlapping) volume between the copies is
minimal. In the case of the huge box simulations, the light cone is
simply one copy of the box, centered at (0, 0, 0), providing a full-sky
light cone to the half-distance of the box (3.75 Gpc/ℎ, 𝑧 ≈ 2.18),
which shrinks as one pushes further toward the eight corners (e.g.,
half the sky at 𝑧 = 3.2).
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2.2 Halo light cone catalogues

The halo light cones of AbacusSummit provide an accurate and
efficient mechanism for obtaining realistic galaxy catalogues on the
sky via simulations, which is crucial for testing out systematic and
observational effects, and developing pipelines for novel summary
statistics.
The procedure for obtaining the AbacusSummit halo catalogues,

introduced in Hadzhiyska et al. (2022c), starts with the Abacus-
Summit merger trees (Bose et al. 2022), from which we calculate
the interpolated positions and velocities of each halo at the red-
shift at which they cross the observer’s lightcone. We then asso-
ciate the particles belonging to these haloes with the particle light
cone outputs and report a number of new halo properties, in ad-
dition to the standard ones, such as merger-tree-interpolated and
particle-averaged positions and velocities as well as interpolated
masses. The thus obtained halo catalogues can then be populated
with galaxies using the AbacusHOD prescription, which we de-
scribe next. We recommend using the halo light cone products in
the halo mass regime of 𝑀halo & 2 × 1011 ℎ−1M� , correspond-
ing to haloes containing ∼100 particles or more, as at these mass
scales the merger tree information is available to the vast major-
ity of haloes and the particle-averaged quantities are less noisy.
The base catalogues are generated for the redshift epochs: 𝑧 =

0.1, 0.15, 0.2, 0.25, 0.3, 0.35, 0.4, 0.45, 0.5, 0.575, 0.65, 0.725,
0.8, 0.875, 0.95, 1.025, 1.1, 1.175, 1.25, 1.325, 1.4, 1.475, 1.55,
1.625, 1.7, 1.775, 1.85, 1.925, 2.0, 2.25, 2.5. The huge cat-
alogues are available for all the same epochs until 𝑧 = 2.25.
The AbacusSummit halo light cone catalogues are available at
DOI:10.13139/OLCF/1825069.

2.3 AbacusHOD

The AbacusSummit halo light cone catalogues are designed to gen-
erate mock catalogues via AbacusHOD, a sophisticated routine that
builds upon the baseline HOD model by incorporating various ex-
tensions affecting both the so-called one- and two-halo terms.
AbacusHOD allows the user to specify different tracer types:

emission-line galaxies (ELGs), luminous red galaxies (LRGs), and
quasistellar objects (QSOs). TheAbacusHODmodel is described in
detail in Yuan et al. (2022).
The AbacusHOD model incorporates several additional decora-

tions beyond the vanilla HOD prescription, which are listed below:

• s is the satellite profile modulation parameter, which modulates
how the radial distribution of satellite galaxies within haloes deviate
from the radial profile of the halo.

• s_v is the satellite velocity bias parameter, which modulates
how the satellite galaxy peculiar velocity deviates from that of the
local dark matter particle.

• alpha_c is the central velocity bias parameter, whichmodulates
the peculiar velocity of the central galaxy.

• s_p is the perihelion distance modulation parameter.
• A_c or A_s are the concentration assembly bias parameters for

centrals and satellites, respectively.
• B_c or B_s are the environment assembly bias parameters for

centrals and satellites, respectively. To define halo environment, we
adopt the same formalism as Hadzhiyska et al. (2020).

• Parameterers specifying the central-satellite and satellite-
satellite conformity of the ELGs, which has been found to affect
non-trivially the one-halo term behaviour of star-forming galaxies
(see e.g., Jiménez et al. 2019; Hadzhiyska et al. 2022a).

We note that the assembly bias implementation preserves the overall
galaxy number density by reranking haloes based on their pseudo-
mass.
To emulate the intrinsic redshift-dependent change in the galaxy

population, we implement a simple redshift-dependent HOD, which
linearly (in scale factor, 𝑎) interpolates between the bestfit HOD
values at a pair of redshifts for each tracer. The redshift-evolved value
of parameter ` takes the following form (for a list of the parameters
for each tracer, see Table 1):

`𝑖 (𝑧) = `𝑖,0 + `𝑖, 𝑝

(
1
1 + 𝑧

− 1
1 + 𝑧pivot

)
, (1)

where `𝑖,0 and `𝑖, 𝑝 are the parameter value and its derivative com-
puted at some redshift given two reference points, and 𝑖 iterates over
all free parameters in the model. The values of the HOD parameters
we adopt are discussed next.

2.4 Dark Energy Spectroscopic Instrument

The main propellant of this work is the need to create accurate weak
lensing catalogues in anticipation of planned joint studies between
the DESI redshift survey and photometric surveys that measure the
induced shapes of galaxies by the effect of gravitational lensing.
DESI is a Stage IV dark energy experiment currently conducting

a five-year survey of about a third of the sky with the goal to amass
spectra for approximately 40 million galaxies and quasars (DESI
Collaboration et al. 2016a). The instrument operates on the Mayall
4-meter telescope at Kitt Peak National Observatory (DESI Collabo-
ration et al. 2022) and can obtain simultaneous spectra of almost 5000
objects over a∼3◦ field (DESI Collaboration et al. 2016b; Silber et al.
2022) thanks to a robotic, fiber-fed, highly multiplexed spectroscopic
surveyor. The goal of the experiment is to unravel the nature of dark
energy through precise measurements of the expansion history (Levi
et al. 2013) and thus the dark energy equation of state parameters 𝑤0
and 𝑤𝑎 , with a predicted factor of five to ten improvement on their
error relative to previous Stage-III experiments (DESI Collaboration
et al. 2016a).

2.5 Galaxy samples

2.5.1 DESI

To obtain the HOD parameters of our DESI-like LRG and ELG
samples, we fit the predicted b (𝑟𝑝 , 𝜋) correlations to the measured
full-shape clustering on small scales (𝑟 . 30 ℎ−1Mpc) from the
DESI SV3 (Survey Validation 3) data. The fits are performed us-
ing the dynamic nested sampling package, dynesty, on the cubic
base-resolution boxes. dynesty chains are run separately for each
tracer and redshift epoch with covariance matrices computed from
the ∼1800 small AbacusSummit boxes, designed with the express
purpose of calculating covariance matrices for different summary
statistics. The parameter values we arrive at are shown in Table 1
(Yuan & DESI Collaboration 2023).
In the case of our lensing mocks, we take the best fit values at

redshifts 𝑧 = {0.5, 0.8} for the LRGs and 𝑧 = {0.8, 1.1} for the
ELGs without perturbing their values. Assuming that these param-
eters evolve linearly with the scale factor 𝑎, we then calculate the
parameter values at each redshift epoch of interest. The minimum
and maximum values each parameter can take are set by the prior
used in the fitting (see Yuan&DESI Collaboration (2023)). That way
we avoid adopting unphysical values for our HOD. The redshifts over
which the HODs are applied to both LRGs and ELGs span between
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Tracer 𝑧 𝑝max log(𝑀cut) ^ 𝜎 log(𝑀1) 𝛼 𝛾 𝛼𝑐 𝛼𝑠 𝐴𝑠 𝛿𝑀1 𝛼1 𝛽 𝐵cen 𝐵sat 𝑠

ELG 1.1 0.156 11.65 8.98 2.47 15.32 1.29 5.08 0.0173 0.20 0.11 -1.70 -2.99 9.94 – – –
ELG 0.8 0.116 11.52 3.58 1.18 15.97 1.29 4.04 0.180 0.523 0.289 -2.54 -2.59 6.77 – – –

LRG 0.8 – 12.65 0.246 0.081 14.00 1.19 – 0.165 0.943 – – – – 0.117 -0.921 0.124
LRG 0.5 – 12.77 0.396 0.060 13.92 1.36 – 0.308 0.913 – – – – 0.063 -0.206 0.481

Table 1.AbacusHOD parameters adopted for the DESI GQC galaxy mock catalogues. The redshift-evolving HOD parameters of the lensing mocks are obtained
by linearly interpolating the parameters in the table between 𝑧 = 0.3 and 𝑧 = 1.4. Parameters come from the best fits to the DESI early data release.

𝑧 = 0.3 and 𝑧 = 1.4. These are chosen to roughly cover the range for
which the target selection of the tracers is considered robust and the
relative number density of the galaxies is large.

2.5.2 HSC, DES, KiDS

For the mock galaxy catalogues of the weak lensing surveys, rather
than applying an HOD, we make use of the AbacusSummit halo
light cone catalogues, selecting all haloes above a minimum mass
cut to match the required source number density at each redshift (see
Sec.5.1 for more details). The reason we opt for this rather simplistic
scheme is that in this study, we are not interested in modeling the
clustering of the sources but rather only their cross-correlation with
the lens sample, which is largely insensitive to the particular choice
of a source population model. We note that since we only use haloes
for our sources, the source mock catalogues as such are unsuitable
for estimating highly non-linear-scale effects such as boost factors
and clustering redshifts. However, generating an alternative source
galaxy sample on the light cone using AbacusHOD and equipping it
with weak lensing properties (i.e., shears and deflections) is trivial,
and our pipeline and products provide the necessary machinery for
doing that.

3 WEAK LENSING MAPS

Matching the halo light cone catalogues, we gen-
erate weak lensing maps for the 25 base boxes
(AbacusSummit_base_c000_ph{000-024}) and the two huge
boxes (AbacusSummit_huge_c000_ph{201,202}) at the fiducial
AbacusSummit cosmology. We retain the native resolution of
the HEALPix shell outputs on the light cone, i.e. 𝑁side = 16384,
corresponding to a pixel size of 0.21 arcmin. We note that the pixel
size is thus larger than the force softening scale of AbacusSummit,
7.2 kpc/ℎ (proper), at all available redshifts (𝑧 > 0.15), so we should
not expect the lensing observables to be affected.
As detailed in this Section, we compute the lensing observables by

weighting the shells by the appropriate lensing kernels, adopting the
so-called “Onion Universe” approach (Fosalba et al. 2015), which
assumes the Born approximation. We note that the particle counts
shells are generated on-the-fly for each Abacus time step, of which
there are &1000 per simulation. Thus, these shells are output with
excellent time granularity of Δ log(𝑎) ∼ 0.001 (. 10 ℎ−1Mpc) at
the relevant redshifts, so we expect the Born approximation to hold
with sufficient accuracy for our configuration. Maps of the lensing
observables – convergence, shear, and deflection field, are available
at 48 source redshifts, covering a redshift range of 𝑧 = 0.15 to 𝑧 = 2.4
(Δ𝑧 = 0.05) as well as at the redshift of recombination, 𝑧rec ≈ 1089.3.
The geometry of the weak lensing maps is the same as the rest of the
light cone products (see Fig. 1 and the discussion in Section 2.1). To
perform the harmonic space operations, we employ the healpy and

Figure 2. Convergence field at source redshift, 𝑧𝑠 , of 1 (top panel) and
1089.3 (bottom panel), corresponding to the epoch of recombination. Maps
shown for the AbacusSummit_huge_c000_ph201 simulation, which places
the observer at (0, 0, 0) and thus covers the full sky until 𝑧 = 2.18.

ducc packages. Comparisons with theory are accomplished via the
Cosmological Core Library, pyccl package.
All products are publicly available under this URL.

3.1 Convergence

To obtain the convergence maps from the particle light cones, we
adopt the Born approximation. Assuming flat space, the convergence
field of the lensing distortions is given by

^(\) =
3𝐻20Ω𝑚

2𝑐2

∫
𝑑𝜒 𝛿(𝜒, \) (𝜒𝑠 − 𝜒)𝜒

𝜒𝑠 𝑎
(2)

where 𝐻0 = 100ℎ km/s/Mpc is the Hubble constant, Ω𝑚 is the
energy density of matter, 𝑐 is the speed of light, 𝛿 is the three-
dimensional matter overdensity at radial distance 𝜒(𝑎), 𝑎 is the scale
factor, \ is the angular position, and 𝜒𝑠 is the distance to the lensing
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source(s). Throughout the paper, we use comoving distances in units
of ℎ−1Mpc.
In order to compute the convergence map in an 𝑁-body simulation

by adding up the light cone shells weighted by the appropriate weak-
lensing kernel at each redshift, we can discretize this equation as
follows (Fosalba et al. 2008):

^(𝑖) =
3𝐻20Ω𝑐𝑏

2𝑐2
∑︁
𝑗

𝛿(𝑖 𝑗)
(𝜒𝑠 − 𝜒 𝑗 )𝜒 𝑗

𝜒𝑠𝑎 𝑗
𝑑𝜒 𝑗 (3)

where 𝑖 indicates the pixel position in the sky and 𝑗 the radial bin in-
dex (i.e. distance to the mid-point 𝜒 𝑗

1 and the width 𝑑𝜒 𝑗 of the shell
𝑗) into which we have sliced the simulation. Note that sinceAbacus-
Summit uses a basic prescription for neutrinos, modeling them as a
smooth, non-clustering matter component (Maksimova et al. 2021a),
we need to consider the contribution only from the gravitational
components, i.e. baryons and cold dark matter, Ω𝑐𝑏 = Ω𝑏 + Ω𝑐 .
Such a treatment of neutrinos captures accurately the suppression on
small scales, but does not account for the neutrino clustering on large
scales. However, this is a secondary effect and does not matter for
most applications relevant for galaxy surveys.
We can compute the overdensity as:

𝛿(𝑖 𝑗) = 𝜌(𝑖 𝑗)
�̄�

− 1 (4)

where �̄� = 〈𝜌(𝑖 𝑗)〉 is the mean density, which we compute analyti-
cally as (𝑁part/𝐿3box)ΔΩ 𝜒2

𝑗
𝑑𝜒 𝑗 , and the density per pixel is

𝜌(𝑖 𝑗) =
𝑁𝑖 𝑗

𝑑𝑉 𝑗
=

𝑁𝑖 𝑗

ΔΩ 𝜒2
𝑗
𝑑𝜒 𝑗

(5)

where ΔΩ is the area of each pixel and 𝑁𝑖 𝑗 is the number of particles
in pixel 𝑖 and slice (or equivalently, shell) 𝑗 . In Fig. 2, we show the
convergence map at two source redshifts, 𝑧𝑠 = 1 and 1089.3, for
the huge-resolution simulation, AbacusSummit_huge_c000_201,
which covers the full sky.
The convergence field, ^, is related to the lensing potential through

the two-dimensional Poisson equation,

^(n̂) = ∇2𝜙(n̂) (6)

where 𝜙(n̂) is the lensing potential at a given point on sky, n̂. In har-
monic space, this equation is greatly simplified, and the coefficients
of the spherical harmonic transform, ^(n̂) = ∑

ℓ,𝑚 ^ℓ𝑚𝑌ℓ𝑚 (n̂), are
given by,

^ℓ𝑚 = −1
2
ℓ(ℓ + 1)𝜙ℓ𝑚. (7)

Thus, at each source plane, we can compute the lensing potential
from the convergence map by applying the appropriate ℓ weights
in harmonic space. Similarly, thanks to their simple relations to the
lensing potential in harmonic space, we can obtain other lensing
observables.

3.2 Deflection angle

The deflection angle is related to the lensing potential through its
gradient, (Hu 2000),

𝛼(n̂) = ∇𝜙(n̂). (8)

1 Note that the field reported in the AbacusSummit light cone files,
CoordinateDistanceHMpc, refers to the distance to the outer edge of the
shell.

In harmonic space, its coefficients are given by,

𝛼ℓ𝑚 = −
√︁
ℓ(ℓ + 1)𝜙ℓ𝑚. (9)

Similarly, we can relate the deflection angle to the convergence field
as

𝛼ℓ𝑚 =
2√︁

ℓ(ℓ + 1)
^ℓ𝑚. (10)

The corresponding power spectra are thus simply related via
4 ℓ(ℓ + 1) 𝐶𝛼𝛼

ℓ
= 𝐶^^

ℓ
. To obtain the real-space quantity, we trans-

form back to real space. In healpy and ducc, the default ℓmax
when performing the spherical harmonic transform is typically set as
ℓmax = 4 × 𝑁side. However, at 𝑁side = 16384, this constitutes a huge
computational expense,2 so instead we curb it ℓmax = 2 × 𝑁side and
check via lower-resolution maps that this does not affect the power
spectrum of the lensing quantity measured at ℓmax.

3.3 Shear

Finally, the shear maps, 𝛾(n̂), can be related to the convergence field
in spherical harmonic space (see Hu 2000) via:

𝛾ℓ𝑚 = −
√︁
(ℓ + 2) (ℓ − 1)/(ℓ(ℓ + 1))^ℓ𝑚 ≡ − 𝑓 (ℓ)^ℓ𝑚 (11)

and to the lensing potential via:

𝛾ℓ𝑚 =
1
2
𝑓 (ℓ)ℓ(ℓ + 1)𝜙ℓ𝑚, (12)

with, 𝑓 (ℓ) =
√︁
(ℓ + 2) (ℓ − 1)/(ℓ(ℓ + 1)). Assuming that the B-mode

signal is zero for the cosmological weak-lensing signal, the shear
E-mode harmonic coefficients are given by 𝐸ℓ𝑚 = 𝛾ℓ𝑚, whereas the
“Stokes” parameters of the shear field, 𝛾1, 𝛾2, can be obtained by
transforming back the 𝐸ℓ𝑚 coefficients to real space:

𝛾1 (n̂) ± 𝑖𝛾2 (n̂) =
∑︁
ℓ𝑚

𝛾ℓ𝑚𝑌ℓ𝑚 (n̂) (13)

Analogously to the case of the deflection field, we set the maximum
ℓ-mode of that transformation to ℓmax = 2 × 𝑁side.

3.4 Validation

Having obtained the convergence maps, we can compare it with the
theoretically estimated angular power spectrum from pyccl (Chisari
et al. 2019) given by:

𝐶^^
ℓ

(^) =
9𝐻40Ω

2
𝑚

4𝑐4

∫
𝑑𝜒 𝑃(𝑘, 𝑧) (𝜒𝑠 − 𝜒)2

𝜒2𝑠 𝑎2
(14)

where 𝑃(𝑘, 𝑧) is the three-dimensional density power spectrum at
redshift 𝑧 evaluated at 𝑘 = ℓ/𝜒 in the Limber approximation (Limber
1953), which is known to be valid for ℓ > 10 within a few percent
accuracy (see e.g., Bernardeau et al. 2002).
Fig. 3 shows the comparison between the convergence power spec-

trum measured from the AbacusSummit maps and the non-linear
theoretical fit (i.e., halofit, as implemented in pyccl), for sources
at 𝑧𝑠 = 1 and 𝑧𝑠 = 1089.3. We show the results both for the 25
base-resolution simulations (covering a bit less than an octant at
𝑧𝑠 = 1 and about 1800 sq. deg at 𝑧𝑠 = 1089.3) as well as the two
huge-resolution simulations (covering the full sky). The theoretical
prediction is calculated using pyccl, which in turn uses the halofit
non-linear matter power spectrum. The base-resolution simulation

2 Private correspondence with Martin Reinecke.
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curves demonstrate remarkable agreement with theory for all scales
considered (30 < ℓ < 10000). In particular, the CMB lensing agree-
ment is .0.1% on average, whereas for 𝑧𝑠 = 1, it is about 1%. We
note that the quoted accuracy of halofit is about 5% (Takahashi
et al. 2012), so the agreement we observe is far below that thresh-
old. We attribute the worse agreement at 𝑧𝑠 = 1 between pyccl
and AbacusSummit to the fact that halofit provides a poorer fit
to the simulation power spectrum at low redshifts (see Fig. B1 and
the commentary in Appendix B). At the lowest multipoles, sample
variance introduces large fluctuations in the measured power for a
single realization, contributing as much as 10% to the uncertainty in
the measurement.

In the case of the huge simulations (shown on the bottomof Fig. 3),
we see that the convergence power spectrum is more discrepant with
pyccl. In particular, while the CMB lensing power spectrum de-
viates at no more than 2% for all scales shown, the deviation is
much more evident in the 𝑧𝑠 = 1 case (and also displays some scale
dependence), at the smallest scales reaching 6%. We attribute this
difference, relative to the base simulations, to resolution differences.
As a separate test, we swap the halofit non-linear power spectrum
in pyccl with Cosmic Emu (Heitmann et al. 2016) and find that
the huge simulations convergence power spectrum is much better
matched. We conjecture that this is because Cosmic Emu employs a
simulation suite with resolution characteristics that are very similar
to the AbacusSummit huge boxes. Until ℓ < 9000, the agreement
with halofit is within the 5% expected margin. Below ℓ . 10, we
advise treating the comparisons with caution, as the Limber approx-
imation (adopted in the power spectrum calculation) breaks down
(LoVerde & Afshordi 2008).

In Fig. 4, we show the shear-shear auto-correlation, b± (\), at
source redshift of 𝑧𝑠 = 1, computed for all 25 base-resolution simu-
lations. The source catalogue is made up of all the haloes belonging
to the source redshift epoch. We find that in the intermediate regime,
i.e. 1′ < \ < 100′, the agreement is within 5%. Below 1 arcmin,
b+ (\), which at fixed \ receives contributions from larger scales rel-
ative to b− (\) (Schneider et al. 2002), exhibits excellent agreement.
On the other hand, we see a steep cutoff in the b− (\) curve. This
is the result of resolution effects due to the pixel size (0.2 arcmin),
which affect b− (\) more noticeably than b+ (\) as argued above. We
note that the use of haloes rather than galaxies (particles + haloes)
reduces the noise in the b± (\) measurement. Above \ > 100 arcmin,
b− (\) displays excellent agreement, whereas b+ (\) displays a stark
cutoff. We conjecture that this is the result of boundary effects in the
map construction procedure and investigate this idea in Appendix A
through several test on the full-sky huge-resolution box. We con-
clude that there are two main boundary effects: on one hand, the area
covered by the source maps, which is a bit less than an octant at
𝑧𝑠 = 1, displays significant sample variance at these scales; on the
other hand, the conversion of partial-sky ^(�̂�) into 𝛾1,2 (�̂�) introduces
features at the boundary, which affect the large-scale measurement.
We note that at higher redshifts, these effects are more pronounced
(𝑧𝑠 ≈ 0.8 maps cover an octant of the sky, but the area covered
shrinks at higher redshifts). Although our correlation measurements
exhibit a deficit beyond \ > 100, the errors on them are still within
the noise of the weak lensing surveys of interest (see Fig. 11, where
we mimic DES Y3 with realistic noise) and so have minimal effect
on cosmological parameter fits.
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Figure 3.Convergence angular power spectrumat two source redshifts, 𝑧𝑠 = 1
(blue) and 𝑧 = 1100 (red), computed using AbacusSummit (solid) and the
cosmological library pyccl (dashed). The top panel shows the results for
the 25 base-resolution simulations (covering less than an octant), while the
bottom is obtained using the two huge-resolution simulations (covering the
full sky). Each panel also shows the ratio between the simulation and the
theoretical prediction, which is calculated using halofit (total matter). In
shaded colors, we plot the curves from all simulations. The simulation curves
in the top panel demonstrate remarkable agreement with theory for all scales
considered (30 < ℓ < 10000). On smaller scales, cosmic variance contributes
to the uncertainty in the measurement. For the huge simulations, the CMB
lensing power spectrum deviates at the 2% level with amild scale dependence,
while at 𝑧𝑠 = 1, the discrepancy reaches 6%. We attribute this difference to
resolution effects and further study this in Appendix B.
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Figure 4. Shear-shear auto-correlation, b± (\) , at 𝑧𝑠 = 1.025 source redshift.
Results are shown for all 25 base simulations (shaded), with the average b±
displayed as solid curves (red and blue, respectively).The source catalogue
consists of all haloes at that redshift epoch. We find that in the intermediate
regime of 1′ < \ < 100′, the agreement is within 5%. Below 0.7 arcmin,
b− sees a stark cutoff due to resolution effects coming from the pixel size
(0.2 arcmin). Above \ = 100 arcmin, b+ is more strongly affected by map
boundary effects, which are investigated in detail in Appendix A.

4 MOCK CATALOGUES

In this Section, we detail our procedure for augmenting our mock
galaxies with lensing properties via the weak lensing maps discussed
in Section 3.

4.1 Lensing assignment

Mock galaxies are output using the AbacusHOD method, as dis-
cussed in Section 2.3 and Section 2.5. To assign lensing properties to
each of our mock galaxies, we adopt the following simple algorithm:

(i) For a given galaxy with coordinates on the light cone (n̂, 𝑧),
where n̂ denotes its angular position in the sky and 𝑧 its redshift,
we find the corresponding closest source plane in redshift and the
sky coordinates pixel of the pixels which the galaxy occupies (i.e.,
discretized pixel center coordinates)
(ii) Then, we look up the value of the relevant lensing quantities

for this pixel and redshift from our convergence and shear weak
lensing maps, ^, 𝛾1, 𝛾2, as well as the deflection angle values at this
location, 𝛼\ and 𝛼𝜙 .
(iii) Finally, for each galaxy, we record the values of the weak

lensing fields, as well as the perturbed sky coordinates due to the tiny
deflection to the light ray caused by gravity (discussed in Section 4.2).

This simple implementation is sensitive to the pixel resolution
used, which in our case is 0.21 arcmin (𝑁side = 16384). Consistently,
we only expect tomodel lensing observables accurately down to∼ 0.3

arcmin scales, as we will discuss in detail in Section 5. Another
limitation of this procedure is that different galaxies that occupy the
same pixel will have identical lensing properties. Given the small
physical scale that our choice of 𝑁side corresponds to, we expect that
this will play a very minor role.

4.2 Magnification bias

The gravitational lensing induced by large-scale structures on back-
ground sources changes their observed number density and thus intro-
duces an additional cross-correlation signal between background and
foreground galaxy populations (Moessner & Jain 1998; Bartelmann
& Schneider 2001). This effect, first measured in cross-correlations
between distant quasars and low-redshift galaxies (e.g., Benítez &
Martínez-González (1997); Gaztañaga (2003); Myers et al. (2005);
Scranton et al. (2005)), is known as “magnification bias” and can be
used to constrain the galaxy-mass power spectrum (Jain et al. 2003).
To build theoretical intuition, let us consider the case of a magni-

tude limited survey. Then, the cumulative number of galaxies above
a certain flux limit, 𝑓 , is roughly proportional to 𝑁0 (> 𝑓 ) ∝ 𝐴 𝑓 𝛼,
with 𝐴 is the area of the survey and 𝛼 the power-law slope of the
background (source) number counts. Because lensing preserves the
surface brightness of galaxies, the observed survey depth increases
(i.e. the effective flux limit decreases), whereas the effective area
decreases by the same amount: 𝑓 → 𝑓 /`, 𝐴 → 𝐴/`, where ` is the
magnification. These two counteracting effects induce a bias in the
cumulative number of background sources given by:

𝑁 (> 𝑓 ) ∝ 1
`
𝐴

(
𝑓

`

)−𝛼
= `𝛼−1𝑁0 (> 𝑓 ). (15)

In the weak-lensing limit, we can approximate the magnification as
` ≈ 1+𝛿` since |𝛿` | � 1. Taylor expanding the magnification term,
`𝛼−1 ≈ 1 + (𝛼 − 1)𝛿` , we arrive at the following expression for the
additional overdensity contributed by the magnification,

𝛿mb =
𝑁 − 𝑁0
𝑁0

= 𝛿mm + 𝛿lp

= (𝛼 − 1)𝛿` = 2(𝛼 − 1)𝛿^ (16)

where the last equality uses the weak lensing approximation that
relates the fluctuations in magnification and convergence via 𝛿` ≈
2 𝛿^ . Note that 𝛿mb (“mb” stands for magnification bias) incorporates
two qualitatively different contributions:

(i) extra fluctuations from magnified magnitudes, 𝛿mm = 𝛼 𝛿`
(ii) extra fluctuations from lensed positions, 𝛿lp = −𝛿` .

While the two effects cannot be separated observationally, we imple-
ment them in our simulations using two distinct procedures, which
are outlined next. We can thus test and verify each one of them
separately. Traditionally, we work with the logarithmic slope of the
background number counts, 𝑠, at redshift 𝑧, for a magnitude limit 𝑚,
defined as:

𝑠 = 2𝛼/5 ≡ 𝑑Log10𝑁 (< 𝑚, 𝑧)
𝑑𝑚

. (17)

The overall contribution to the counts due to magnification bias thus
becomes

𝛿mb = (5𝑠 − 2)𝛿^ . (18)

The net magnification effect depends on how the loss of sources
due to the area contraction, 𝛿lp, is compensated by the gain of sources
from the flux magnification, 𝛿mm. Number counts for source popu-
lations with flat luminosity functions, 𝑠 < 0.4, such as faint galaxies,
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decrease due to the effective shrinkage in area, whereas sources with
steep luminosity functions, 𝑠 > 0.4, such as quasars, increase due to
the effective deepening of the survey. In the case of 𝑠 = 0.4 (𝛼 = 1),
there is no net change to the counts due to magnification bias.

4.3 Implementation of magnification bias

In this Section, we describe how we implement magnification in the
magnitudes and positions of mock galaxies.

(i) magnified magnitudes: flux magnification causes the mock
galaxy magnitudes, 𝑚, to become brighter by the following amount:

Δ𝑚 = 2.5Log10` ≈ 5
ln 10

^ (19)

where we have Taylor expanded ` ≈ 1 + 𝛿` and used the weak
lensing relation 𝛿` ≈ 2^ in the weak-lensing limit. Knowing the
value of the convergence, ^ at the location of a given galaxy, we can
compute the induced magnification to its flux, which in turn leads
to a change in the source number counts, 𝛿mm. In the case of the
AbacusHODmodel, we do not output magnitudes or fluxes but only
galaxy positions and velocities. For this reason, we implement the
effect of magnitude magnification by weighting the galaxies by:

𝑤 = 1 + 2𝛼 𝛿^ = 1 + 5𝑠 𝛿^ , (20)

which effectively boosts the contribution of galaxies located at local
peaks of the convergence field.
(ii) lensed positions: the observed position of a source galaxy, 𝛽𝛽𝛽,

is shifted from its true (unlensed) position, \\\, by an angle determined
by the deflection field vector, 𝛼𝛼𝛼, at its true location (for details, see
Bartelmann & Schneider (2001)). In the single-plane (i.e., Born)
approximation, the lens equation reads,

𝛽𝛽𝛽 = \\\ − 𝛼𝛼𝛼 (21)

where 𝛼𝛼𝛼 is a two-dimensional vector, and the lensed position 𝛽𝛽𝛽 is
obtained by moving the galaxy position along a geodesic on the
sphere in the direction of the vector by an amount (arc length) given
by the size of the deflection angle, 𝛼. Guided by this, we can remap
the source galaxy positions due to gravitational lensing in our galaxy
outputs.
If we denote the unlensed position on the sphere by \\\ = (\, 𝜙),

then the lensed position, 𝛽𝛽𝛽 = (\ ′, 𝜙 + Δ𝜙), can be simply written
down as:

cos \ ′ = cos𝛼 cos \ − sin𝛼 sin \ cos 𝛿
sinΔ𝜙 = sin𝛼 sin 𝛿/sin \, (22)

wherewe have used the spherical triangle identities (Lewis 2005; Das
& Bode 2008) and the deflection vector is projected on the spherical
polar basis, (e\ , e𝜙), as𝛼𝛼𝛼 = 𝛼\ e\+𝛼𝜙 e𝜙 = 𝛼 cos 𝛿 e\+𝛼 sin 𝛿 e𝜙 ,
with 𝛿 being the angle between the deflection vector and the polar
basis vector e\ .

In summary, in order to enable magnification bias in the lens cat-
alogues, we recommend calculating the lensed positions of galaxies
according to Eq. (ii) and weighting the galaxies by the quantity in
Eq. 22. We adopt the ‘lensed positions’ for the source catalogue
when switching on magnification bias effects, which also affects the
sources.

4.4 Validation

4.4.1 Harmonic space

In weak lensing studies, we typically split the data into redshift
bins. To obtain the theoretical measure of the angular cross-power
spectrum between two fields 𝛿a, 𝛿b, measured in redshift bins 𝑖, 𝑗 ,
we can adopt the following equation

𝐶
𝑖 𝑗

ab (ℓ) =
∫

𝑑𝜒
𝑞𝑖a (𝜒)𝑞

𝑗

b (𝜒)
𝜒2

𝑃ab (ℓ/𝜒, 𝑧(𝜒)), (23)

where 𝑃ab (𝑘, 𝑧) is the three-dimensional cross-power spectrum of
the fields at redshift 𝑧 and wavenumber 𝑘 , 𝜒(𝑧) is the comoving
distance, and 𝑞a,b (𝜒) are the weight functions, (Kaiser 1992; Hu &
Jain 2004), and we have assumed the Limber approximation (Lemos
et al. 2017), 𝑘 = ℓ/𝜒. For the galaxy density field, 𝛿g, corresponding
to the foreground (lens) galaxy population, theweight function 𝑞𝑔 (𝜒)
is given by

𝑞𝑖g (𝜒) =
𝑛𝑖lens (𝑧)
�̄�𝑖lens

𝑑𝑧

𝑑𝜒
, (24)

where 𝑛𝑖lens (𝑧) is the redshift distribution of the sample in redshift
bin 𝑖 and �̄�𝑖lens is the average lens density. For the convergence field,
𝛿^ , corresponding to the background (source) galaxy population, the
weight function 𝑞^ (𝜒) can be calculated as:

𝑞𝑖^ (𝜒) =
3𝐻20Ω𝑚

2𝑐2
𝜒

𝑎(𝜒)

∫ 𝜒max

𝜒
𝑑𝜒′

𝑛𝑖source (𝑧)
�̄�𝑖source

𝑑𝑧

𝑑𝜒′
(𝜒′ − 𝜒)

𝜒′
, (25)

where 𝐻0 and Ω𝑚 denote the values of the present-day Hubble pa-
rameter and matter density and 𝜒max is the maximum comoving
distance of the source distribution. Analogously to the lens case,
𝑛𝑖source (𝑧) and �̄�𝑖source are the source redshift distribution and aver-
age density of sources in redshift bin 𝑖. We describe the redshift
distributions of our source and lens populations in Section 5.1.
Fig. 5 shows the angular power spectrum of the galaxy-galaxy and

galaxy-convergence cross-correlation between two pairs of lens and
source galaxy populations; namely, 𝑧𝑙 = 0.5 (𝑧𝑙 = 0.8) and 𝑧𝑠 = 1
(𝑧𝑠 = 1.4) as well as 𝑧𝑙 = 1 with 𝑧𝑠 = 1100 for LRGs (ELGs). We
choose the pairings in a way that ensures the lens redshift distri-
bution has good overlap with the lensing kernel of the source. We
downsample the DESI lens populations of LRGs and ELGs (defined
in Section 2.5) to match a Gaussian form of the redshift distribution
centered on 𝑧 = 0.5 (0.8) and 1.025, respectively, with a width of
Δ𝑧 = 0.2. We subtract the Poisson noise contribution from the galaxy
clustering signal, but note that the noise term may deviate from the
Poisson assumption (e.g., Maleubre et al. 2022). The smallest scales
we consider are ℓ = 1000, as the linear bias approximation worsens
as we venture far into the non-linear regime.
At large scales, ℓ < 200, we see that the agreeement with theory

of all curves is excellent – i.e., the ratio is consistent with one, within
a 10% error budget. Assuming that the scale at which the linear bias
approximation breaks down is 𝑘 ≈ 0.1 ℎMpc−1, which corresponds
to ℓ ≈ 180 and 300 for 𝑧𝑙 = 0.5 and 1, respectively (using the Limber
approximation), it is no surprise that we start seeing large deviations
from the simple halofit + linear biasmodel around these scales.We
note that as expected, the high redshift pair, which is affected by non-
linear physics on smaller scales, follows well the pyccl prediction
down to smaller scales. We choose the linear bias parameters by eye
such that they fit the large scales of the galaxy auto-power spectrum.
The values we arrive at are: 1.1 (𝑧 = 0.8) and 1.25 (𝑧 = 1.025) for the
ELGs, and 1.95 (𝑧 = 0.5) and 2.3 (𝑧 = 1.025) for the LRGs. As will
be discussed next in the next section (see Fig. 7 and Fig. 6), relative to
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Figure 5. Angular power spectrum of the galaxy-galaxy and galaxy-
convergence cross-correlation at two source redshifts 𝑧𝑠 = 1 (1.4) and
𝑧𝑠 ≈ 1100 and two lens redshifts 𝑧𝑙 = 0.5 (0.8) and 𝑧𝑙 = 1 for LRGs
(ELGs). The top panel corresponds to the LRG galaxy population, while the
bottom corresponds to the ELG one. The dotted curves show the Poisson
noise contribution to the signal, which we subtract from the 𝑔×𝑔 signal. The
smallest scales we consider are ℓ < 1000, as the linear bias approximation
worsens, as we plunge into smaller and smaller scales. Similarly to Fig. 7 and
Fig. 6, relative to the linear bias approximation, the small-scale clustering
of ELGs is suppressed while that of LRGs is in excess. Results shown for
AbacusSummit_base_c000_ph002.

the linear bias approximation, the small-scale clustering of ELGs is
suppressed while that of LRGs is in excess. Due to the larger size of
the LRG haloes, which in turn pushes the effects of the one-halo term
to larger scales, it is no surprise that the deviations from the linear
bias approximation kick in at smaller values of ℓ. We also observe in
the lower (ratio) panels that for a given choice of tracer and redshift,
the two curves, ^×𝑔 and 𝑔×𝑔, divided by their respective linear bias
predictions, are in good agreement with each other. This indicates
that the galaxy-matter cross-correlation coefficient is close to one.
As expected, in the case of the ELGs, the ratios are less consistent
with each other, as the cross-correlation coefficient exhibits a larger
deviation from one (see e.g., Hadzhiyska et al. 2022b).

4.4.2 Configuration space

When measuring galaxy-galaxy lensing in configuration space, it is
convenient to work with the average tangential shear 〈𝛾𝑡 (\)〉, which
defines the tangential shear of background galaxies at angular separa-
tion \ from a lens galaxy. This quantity is related to the convergence
^ via 〈𝛾𝑡 (\)〉 = 〈^(< \) − 〈^(\)〉 with ^(< \) being the integrated
convergence within separation \. Thus, we can express 𝛾𝑡 in terms
of the angular cross-power spectrum, 𝐶^𝑔

ℓ
, as:

𝛾𝑡 (\) =
∫

𝑑ℓ ℓ

2𝜋
𝐶
^𝑔

ℓ
𝐽2 (ℓ\), (26)

where 𝐽2 denotes the second-order Bessel function of the first kind.
In Fig. 6, we show the galaxy-shear cross-correlation measure-

ment for the lens population of LRGs (ELGs) at 𝑧𝑙 = 0.5 (0.8) and
source population at 𝑧𝑠 = 1.025 (1.4). We adopt the same redshift
distribution for the lens population as in Fig. 5, i.e. Gaussian cen-
tered at 𝑧 = 0.5 (0.8) with width of Δ𝑧 = 0.2. Additionally, we study
the effect of magnification bias by switching on and off the effects
of lensed positions and magnified flux, as described in Section 4.3.
Qualitatively, the magnification bias curves behave as expected from
theory: for our choice of 𝑠 = 0.2 (see Section 4.2), the clustering
increases due to flux magnification (effective change of depth) and
decreases due to the lensing of the positions (effective change of
area). On large scales, the curves are matched well, but sample vari-
ance introduces substantial noise at \ & 100 arcmin. This echoes
our findings in Fig. 4. Similarly to Fig. 5, we see that the one-halo
term (and the one-to-two-halo transition) is overpredicted for ELGs
and underpredicted for LRGs by the simple halofit model with
linear bias. This is the result of the smaller mass (and thus, bias) and
lower mean satellite occupation of ELG host haloes, which results
in a lower one-halo clustering relative to the two-halo term (which
is captured well by modulating the bias). The opposite is true for
LRGs, which are hosted by haloes that are larger than the typical
halo (and thus, more biased) and on average in the high-mass end,
contain many more satellites. We note that the pyccl predictions use
the same values of the bias as Fig. 5; namely, 1.1 (𝑧 = 0.8) and 1.25
(𝑧 = 1.025) for the ELGs, and 1.95 (𝑧 = 0.5) and 2.3 (𝑧 = 1.025)
for the LRGs. We revisit the galaxy lensing measurement in Fig. 12,
where we explore the predicted signal for DESY3with realistic noise
properties.
In the bottom panel of Fig. 6, we show the particle- (matter-)shear

measurement obtained from our weak lensing maps (averaging over
all 25 simulations), the cubic box (by converting ΔΣ (𝑟𝑝) into 𝛾𝑡 (\)
for a single realization, AbacusSummit_base_c000_ph002), and
the halofit prediction from pyccl. The three curves show remark-
able consistency with each other, which reassures us of the validity
of our mocks. Below 𝑟 . 0.4, we begin to see deviations between
the weak lensing curve and the halofit prediction, which can be
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Figure 6. Galaxy-shear measurement for lens LRG (top) and ELG (middle)
samples located at 𝑧𝑙 = 0.5 and 𝑧𝑠 = 1 or 𝑧𝑙 = 0.8 and 𝑧𝑠 = 1.4, in the case
of no magnification bias (solid), lensed positions (dashed), magnified flux
(dotted), and both (dash-dotted) (see Section 4.3). Magnification bias has the
same response in the simulations (blue) as in theory (red). On large scales, the
curves are matched well, but sample variance introduces substantial noise. On
small scales, the one-halo term is overpredicted for ELGs and underpredicted
for LRGs by the linear bias model. Results are shown for all 25 boxes. The red
shaded regions corresponds (conservatively) to scales affected by the Born
approximation. On the bottom panel, we show the matter-shear measurement
computed via our weak lensing mocks (blue), the cubic box (black) and
halofit (red), demonstrating excellent agreement down to 𝑟 > 0.4 arcmin.

attributed to the breaking down of the Born approximation below
scales associated with the root-mean-square of the deflection angle,
𝛼. We note that in this calculation, we use the unlensed positions of
both lenses and sources, whereas for the two galaxy panels above,
we use the more ‘physically correct’ lensed positions. However, we
expect that in the single-plane (Born) approximation, the angular
deflection by which we move the galaxies is not entirely accurate,
leading to decorrelations between the matter field and the tracers,
and thus a suppression in the measured clustering. The shaded band
in the top two panels demarcates the region where we conservatively
expect the Born approximation to break down (𝑟 < 1 arcmin).
In order to validate our lens population catalogues, we compute

another useful projected galaxy clustering statistic, 𝑤𝑝 (𝑟), defined
as:

𝑤𝑝 (𝑟) =
𝜋max∑︁
𝜋=0

[
𝐷𝐷 (𝑟, 𝜋) − 2𝐷𝑅(𝑟, 𝜋) + 𝑅𝑅(𝑟, 𝜋)

𝑅𝑅(𝑟, 𝜋) − 1
]
, (27)

where 𝐷𝐷 (𝑟), 𝐷𝑅(𝑟), and 𝑅𝑅(𝑟) are the normalized data-data,
data-random and random-random pair counts as a function of pair
distance. For our test, we integrate pairswith line-of-sight separations
out to 𝜋max = 30 ℎ−1Mpc.
In Fig. 7, we show the projected auto-correlation function com-

puted using the full periodic box, the light cone galaxy catalogue, and
an octant shell of the periodic box (which has the same thickness and
geometry as the light cone catalogue) at the lens redshift, 𝑧𝑙 = 0.8.
We choose this redshift, as it is the only redshift that the two tracers
share in the GQC mocks (Yuan & DESI Collaboration 2023). The
top panel shows the result for the LRG galaxy catalogue, whereas
the bottom one does so for the ELG one (see definitions of the two
populations in Section 2.5). We also test the effect of switching on
and off RSD effects (solid and dashed lines, respectively) to make
sure those are properly accounted for. To isolate redshift evolution
effects in the light cone catalogues, we select a thin slice around 𝑧𝑙 of
thickness Δ𝑧 = 0.04. We adopt the corresponding comoving radial
distance cut when defining the shell snapshot to ensure that the vol-
ume (and thus sample variance effects) are similar in both. We find
that the agreement between all three samples for both galaxy pop-
ulations is excellent, which validates both the light cone catalogue
construction as well as the evolving HOD pipeline used to define the
HOD parameters used in each light cone epoch (see Section 2.5 and
Section 2.3).

5 OBSERVATIONS PIPELINE

5.1 Mock DESI samples

We downsampled the galaxy catalogues produced via the procedures
outlined in Section 2.5 to match the expected redshift distributions
𝑁 (𝑧) of each respective survey. In the case of DESI, we use the Early
Data Release (EDR) catalogues to calculate the comoving number
density as a function of redshift (Kremin & Collaboration 2023).
The target 𝑁 (𝑧) distribution of the DESI EDR is shown in Fig. 8,
along with the redshift distribution of our downsampled samples.
We produced catalogues in three redshift bins 0.4 < 𝑧 < 0.6, 0.6 <
𝑧 < 0.8 and 0.8 < 𝑧 < 1.0, which are designed to represent a future
tomographic analysis of the DESI LRG sample.
We also created random catalogues matching the distribution of

each mock DESI samples, for use in the correlation function mea-
surements described in Sec.5.3. We drew the angular co-ordinates
randomly from the light cone mask at reach redshift, and sampled
random redshifts from the ensemble of data redshifts.
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Figure 7. The galaxy projected auto-correlation function computed using
the full periodic box (orange), the light cone galaxy catalogue (blue), and an
octant shell of the periodic box (red) at the lens redshift, 𝑧𝑙 = 0.8, integrated
out to 𝜋max = 30 ℎ−1Mpc. The top panel displays the LRG result, whereas
the bottom one displays the ELG one (defined in Section 2.5). We also show
the effect of RSD on the clustering (solid and dashed lines). To isolate redshift
evolution effects in the light cone catalogues, we select a thin slice around
𝑧𝑙 of thickness Δ𝑧 = 0.04. We find that the agreement between all curves is
excellent, validating our catalogue construction pipeline. Results are shown
for AbacusSummit_base_c000_ph002.

5.2 Mock source samples

We assigned observational properties to our simulated lensing source
populations, statistically drawn from the characteristics of the three
weak lensing survey catalogues. These properties include: photo-
metric redshift, shape noise, shear calibration correction and source
weight for weak lensing analyses. In the following sub-sections we
detail our implementations for eachweak lensing survey, and validate
that we successfully replicate the ensemble statistics of each survey.
For convenience, we created simulated shape catalogues with ar-

eas roughly matching the overlap of each weak lensing survey with
DESI Y1 observations. We implemented this partition by dividing

Figure 8. The angular density of selected DESI LRG galaxies in theAbacus-
Summitmock as a function of redshift, displayed as a histogram in Δ𝑧 = 0.01
bins. Targets from the LRG samples are divided into three lens redshift sam-
ples (0.4 − 0.6, 0.6 − 0.8, 0.8 − 1.0) as indicated by the histogram colours
and vertical dashed lines. The solid line indicates the measurement from the
DESI Early Data Release.

the complete simulated source catalogues into angular pixels of area
≈ 53.7 deg2 using a HEALPIX pixelisation with resolution parameter
𝑛side = 8. We then grouped these pixels into contiguous regions,
using (9, 16, 3) pixels to build each (KiDS, DES, HSC) mock shape
catalogue. We ensured that all contributing pixels possessed com-
plete data along the light cone to 𝑧 = 2, such that each individual
AbacusSummit mock can be used to produce (4, 2, 12) catalogues
representing the overlap of DESI Y1 and (KiDS, DES, HSC).

5.2.1 KiDS

We based our KiDS source mocks on the KiDS-1000 “gold sample”
dataset (Giblin et al. 2021), which consists of 21million galaxieswith
an effective number density 𝑛eff = 6.2 gal/arcmin2. The shape cata-
logue is divided for analysis into five tomographic bins with edges
𝑧𝐵 = [0.1, 0.3, 0.5, 0.7, 0.9, 1.2], based on point photometric red-
shift estimates 𝑧𝐵 of the BPZ method. Ellipticity measurements and
weights for each source were provided by a self-calibrating version
of lensfit (Fenech Conti et al. 2017).
We first sub-sampled the AbacusSummit source halo catalogues

in a series of narrow redshift slices, using a minimum halo mass to
match the source density of theKiDS-1000 sample in those slices cal-
ibrated by Hildebrandt et al. (2021). In order to re-create the division
into tomographic source bins, we then statistically assigned photo-
metric redshifts 𝑧𝑝 to each mock source from a scattering probability
distribution 𝑃(𝑧𝑝 |𝑧𝑠) conditional on the “spectroscopic” or true sim-
ulation redshift 𝑧𝑠 . We built this probability map using the redshift
calibration reference sample built by the KiDS collaboration (Hilde-
brandt et al. 2021), which is re-weighted using a self-organising map
to closely resemble the distribution of KiDS-1000 sources.3
Next, we distorted the noise-free shear components from

the simulated lensing fields to account for multiplicative
shear calibration factors present in the shape catalogues, and
statistical shape noise error. Following Table 1 of Giblin
et al. (2021), we assigned shear calibration corrections 𝑚 =

3 We are grateful to Hendrik Hildebrandt for sharing this catalogue for the
purpose of constructing these mocks.
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[−0.009,−0.011,−0.015, 0.002, 0.007] and ellipticity dispersions
per component 𝜎𝑒 = [0.270, 0.258, 0.273, 0.254, 0.270] in the five
tomographic bins.We first applied the shear calibration correction by
multiplying the noise-free shear components in each bin by (1 +𝑚).
We then introduced shape noise to the source catalogues by determin-
ing the complex noisy shear 𝑒 = (𝛾+𝑛)/(1+𝑛 𝛾∗) (Seitz & Schneider
1997), where the components of observed shear (𝑒1, 𝑒2) are found
as 𝑒 = 𝑒1 + 𝑖𝑒2, the noise-free shear 𝛾 = 𝛾1 + 𝑖𝛾2, and the noise
𝑛 = 𝑛1 + 𝑖𝑛2. The noise components (𝑛1, 𝑛2) are drawn from Gaus-
sian distributions with standard deviation 𝜎𝑒. Finally, we assigned
weights to each lensing source by randomly sub-sampling from the
lensfitweights of the survey dataset within each tomographic bin.
This procedure resulted in a suite of KiDS source mocks with

ensemble properties representing those of the real catalogues in each
tomographic bin: redshift distribution, source weights, multiplicative
shear calibration factors and shape noise. We repeated this procedure
to create DES and HSC mocks, emphasising some aspects specific
to these surveys in the following sub-sections.

5.2.2 DES

We based our DES source mocks on the DES Year 3 (DES-Y3)
weak lensing shape catalogue (Gatti et al. 2021), which was derived
using the metacalibration pipeline, and consists of 100.2 million
galaxies with an effective number density 𝑛eff = 5.6 gal/arcmin2.
Galaxies in the DES-Y3 dataset are clustered by a self-organising
map into different “phenotypes”, which are used to construct four
tomographic source bins with edges 𝑧𝑝 = [0.0, 0.36, 0.63, 0.87, 2.0]
(Myles et al. 2021). In the metacalibration framework, all sources
are assigned a shear response matrix R (Gatti et al. 2021), which
we approximate for our purposes by the leading-order diago-
nal elements 𝑅11 and 𝑅22 such that the shear calibration cor-
rection is a scalar quantity (𝑅11 + 𝑅22) /2. The DES-Y3 frame-
work also allows for a residual multiplicative bias with best values
𝑚 = [−0.006,−0.020,−0.024,−0.037] in the four tomographic bins
(Amon et al. 2022).
After sub-sampling the mock halo catalogues as a function of true

redshift 𝑧𝑠 to match the DES-Y3 source redshift distribution, we sta-
tistically assigned a tomographic bin 𝑏 = (1, 2, 3, 4) to each mock
source using a scattering probability distribution 𝑃(𝑏 |𝑧𝑠) constructed
from the source density and calibrated redshift distribution in each to-
mographic bin.We randomly assigned values of 𝑅11, 𝑅22 and weight
to each mock source, drawn from the real DES-Y3 data catalogue
in each tomographic bin, and applied the shear calibration correc-
tion by multiplying the noise-free shear components in each bin by
(1 +𝑚) × (𝑅11 + 𝑅22) /2. Finally, we applied shape noise to the dis-
torted noise-free shear components using the formulation described
in Sec. 5.2.1, where we take 𝜎𝑒 = [0.201, 0.204, 0.195, 0.203] in the
four tomographic bins. These noise values differ from those quoted
in Table 1 of (Amon et al. 2022), because we are applying them to
ellipticities which have already been distorted by the shear respon-
sivity. The overall shape noise, including calibration factors, matches
the noise properties of DES-Y3.
This procedure resulted in a suite of DES-Y3 source mocks with

assigned tomographic bins, distorted and noisy ellipticities, shear
calibration factors (𝑅11, 𝑅22), and lensing weights.

5.2.3 HSC

We based our HSC mocks on the HSC-Y1 weak lensing shape cata-
logue (Mandelbaum et al. 2018), which comprises 9 million galaxies

with an effective number density 𝑛eff = 17.6 gal/arcmin2. Sources
are assigned into four tomographic bins using point estimates from
the Ephor photo-𝑧 code (Hikage et al. 2019). The shear estimators
in HSC use a responsivity factor 2𝑅 (see Eq.3 in Mandelbaum et al.
(2018)), where 𝑅 = 1− 𝑒2rms and 𝑒rms is the RMS intrinsic distortion
per component, along with a residual multiplicative bias 𝑚. Finally,
sources are assigned an inverse-variance shape weight 𝑤 based on a
quadrature sum of shape noise and measurement error (Mandelbaum
et al. 2018).
As described in Sec. 5.2.1, we statistically assigned photometric

redshifts to each mock source from a scattering probability distribu-
tion calibrated by the HSC redshift calibration sample (Hikage et al.
2019). We randomly assigned values of shape weight 𝑤, 𝑒rms and
𝑚 to each mock source, drawn from the real HSC data catalogue
in each tomographic bin, and applied the shear calibration correc-
tion by multiplying the noise-free shear components in each bin by
(1 +𝑚) × 2

(
1 − 𝑒2rms

)
. Finally, we applied the noise to the distorted

noise-free shear components, where we deduced the noise to be ap-
plied to each source as 𝜎𝑒 = 1/

√
𝑤 (which combines both shape

noise and measurement error).
This procedure resulted in a suite of HSC source mocks with

assigned tomographic bins, distorted and noisy ellipticities, shear
calibration factors (𝑒rms, 𝑚), and lensing weights.

5.2.4 Summary statistics

Before testing the correlation properties of these source mocks, we
first validated that their ensemble statistical properties in each tomo-
graphic bin matched each weak lensing survey. Fig. 9 displays the
spectroscopic redshift distributions of each separate tomographic
sample of the KiDS, DES and HSC source mocks. The distributions
are compared to those defined for the data samples by each survey
collaboration, demonstrating that the sourcemocks are representative
of the data. The only significant discrepancy is found at the lowest
redshifts, where there is a small deficit of mock sources because the
mass resolution of the mocks is insufficient to match the number den-
sity of the deepest weak lensing catalogues at low redshift. However,
low-redshift sources have little constraining power for weak lensing,
such that this deficit is unimportant. The “spikes” in the redshift dis-
tribution of Fig. 9 correspond to sample variance fluctuations in the
spectroscopic reference sets used by each lensing collaboration.
Fig. 10 compares some ensemble properties of each separate tomo-

graphic sample of the KiDS, DES and HSC AbacusSummit source
mocks, and the corresponding survey data catalogues. The ensemble
properties considered are the effective source number density, effec-
tive shape noise, average source weight and standard deviation of
the source weight. The effective number density is defined in terms
of the source weights 𝑤𝑖 for each galaxy, following Heymans et al.
(2012), by

𝑛eff =
1
𝐴

(∑𝑖 𝑤𝑖)2∑
𝑤2
𝑖

, (28)

where 𝐴 is the area covered by the catalogue, and the effective shape
variance by,

𝜎2𝑒 =
1
2

[∑
𝑖 𝑤
2
𝑖
𝑒2
𝑖,1∑

𝑖 𝑤
2
𝑖

+
∑
𝑖 𝑤
2
𝑖
𝑒2
𝑖,2∑

𝑖 𝑤
2
𝑖

]
. (29)

Fig. 10 shows good agreement between the properties of the mock
and data catalogues.
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Figure 9. The angular density of mock source galaxies in the KiDS (left panel), DES (middle panel) and HSC (right panel) AbacusSummitmocks as a function
of spectroscopic redshift. Separate redshift distributions are plotted for each source tomographic sample, and the measurements from the mocks (solid lines)
and compared to the redshift probability distributions defined for the data samples by each survey collaboration (dotted lines).

Figure 10. Comparison of some ensemble properties of the KiDS, DES and HSC AbacusSummit source mocks, and the corresponding data catalogues of
those surveys. Results are displayed for each source tomographic sample (5 for KiDS, 4 for DES and 4 for HSC). The ensemble properties considered are the
effective source number density 𝑛eff (top-left panel), the effective shape noise 𝜎𝑒 (top-right panel), the mean source weight (bottom-left panel), and the standard
deviation of the source weight across the sample (bottom-right panel).

5.3 Correlation function tests of the mock samples

We validated theAbacusSummitweak lensing and DESI mock cata-
logues by comparing their measured 2-point correlation functions to
theoretical predictions. We note that full cosmological parameter fits
with analytical covariance are beyond the scope of the current study,
and will be presented by future work. The scope of this section is to
simply present the correlation function measurements, and check for
any significant discrepancies with theoretical predictions that would
indicate serious failures in mock construction.

First, we measured the cosmic shear correlation functions b± (\)

of the different source catalogues in tomographic bins, using the
TreeCorr package (Jarvis 2015). We performed measurements us-
ing the same angular separation binning adopted by each weak lens-
ing collaboration when presenting their cosmic shear results. Fig. 11
displays the shear correlation function measurements for the DES
mocks in four tomographic bins (results for the KiDS and HSC
mocks have a similar presentation, and we do not show them). We
plot the mean and standard deviation of the measurements for the
different DES regions (which have areas representative of the over-
lap of the DES Y3 and DESI Y1 datasets), compared to the fiducial
cosmological models in each case, computed from the source red-
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shift distributions and AbacusSummit matter power spectra. The
measured correlation functions are corrected for the applied shear
calibration factors included in the mock outputs. We find that the
fiducial models provide a good description of these measurements.
Next, wemeasure the average tangential shear (galaxy-galaxy lens-

ing signal) 𝛾𝑡 (\) between the mock source catalogues and the lens
samples of the DESIAbacusSummitmocks, again using TreeCorr
and adopting the same angular separation bins as before. Fig. 12
displays these measurements between the four tomographic source
samples of the DES mocks, around the three lens samples of the
DESI mocks (results for the KiDS and HSC mocks again have a
similar appearance). We plot the mean and standard deviation of the
measurements for the different DES regions, compared to the fiducial
cosmological models in each case, assuming a representative linear
bias factor 𝑏 = 2. We again note that the fiducial models provide
a good description of these measurements, except at small scales,
where the linear bias formulation is inaccurate.
Finally, we measure the correlation function multipoles of the

DESI AbacusSummit mocks in the three redshift bins (0.4 −
0.6, 0.6−0.8, 0.8−1.0), using theCorrFunc package (Sinha &Gar-
rison 2020). We perform monopole and quadrupole measurements
in 20 linearly-spaced separation bins between 0 and 100 ℎ−1Mpc.
Fig. 13 displays these correlation function multipole measurements
for the DESI mocks in the DES regions. We plot the mean and stan-
dard deviation of the measurements for the different regions, com-
pared to the fiducial cosmological models in each case, assuming
a representative linear bias factor 𝑏 = 2 and RSD streaming model
with small-scale velocity dispersion 𝜎𝑣 = 300 km s−1. The fiducial
models provide a good description of the signals, except at small
scales where the linear RSD prescription breaks down.

6 SUMMARY

In this paper, we present high-resolution curved-sky weak lensing
maps, generated using the Born approximation and the 𝑁-body sim-
ulation suiteAbacusSummit, as well as accompanying weak lensing
mock catalogues, which are tuned via fits to DESI small-scale clus-
tering measurements of LRGs and ELGs. We make these products
publicly available under this URL. The purpose of these products is
to aid the joint analysis between galaxy surveys such as DESI and
weak lensing surveys such as HSC, DES, and KiDS.
In Section 3, we provide a detailed description of our procedure

for generating the weak lensing maps, which follows the “Onion
Universe” approach (Fosalba et al. 2015), as well as various valida-
tion plots. The available maps consist of the cosmic shear, deflec-
tion angle and convergence fields at source redshifts ranging from
𝑧 = 0.15 to 2.45 with Δ𝑧 = 0.05 as well as CMB convergence
maps (𝑧 ≈ 1089.3) for each of the 25 base-resolution simulations
(𝐿box = 2000 ℎ−1Mpc, 𝑁part = 69123) as well as for the two huge
simulations (𝐿box = 7500 ℎ−1Mpc, 𝑁part = 86403) at the fiducial
AbacusSummit cosmology (𝑃𝑙𝑎𝑛𝑐𝑘 2018). The pixel resolution of
each map is 0.21 arcmin, corresponding to a HEALPiX 𝑁side of
16384. The sky coverage of the base simulations is an octant until
𝑧 ≈ 0.8 (decreasing to about 1800 deg2 at 𝑧 ≈ 2.4), whereas the
huge simulations offer full-sky coverage until 𝑧 ≈ 2.2.
As validation of the source maps and catalogues, we study the an-

gular power spectrum of the convergence field,𝐶^^
ℓ
, shown in Fig. 3,

and the shear auto-correlation, b± (\), shown in Fig. 4. We find that
the base-resolution simulations show a remarkable agreement with
the theoretical prediction for𝐶^^

ℓ
from pyccl, which in turn employs

the halofitmatter power spectrum. The huge-resolution result dis-

plays a larger deviation from pyccl (though is in great agreement
with Cosmic Emu), which we attribute to resolution effects and ex-
plore further in Appendix B. The shear-shear angular correlation
function from AbacusSummit also shows excellent agreement with
theory inmost regimes, but suffers from boundary effects in the b+ (\)
measurement for \ > 100 arcmin. We note, however, that the errors
are still within the noise of the weak lensing surveys of interest to
this work, and the deficit is not visible when mimicking these surveys
near \ ∼ 200 arcmin (see Fig. 11). These are investigated in detail in
Appendix A. We comment that the cutoff of b− relative to pyccl at
\ < 1 arcmin is due to resolution effects (i.e., the pixel size of 0.21
arcmin), which are pushed to larger scales for b− than b+.
In Section 4, we describe our process for assigning lensing proper-

ties (𝛾1,2) to our source population, which covers the redshift range
between 𝑧 = 0.15 and 2, as well as our implementation of magnifi-
cation bias for the lens population of LRGs and ELGs, which covers
the redshift range between 𝑧 = 0.3 and 1.4. To enable the application
of magnification bias to our HOD catalogues, we record the lensed
positions and appropriate weights accounting for flux magnification
for each lens galaxy. We then validate the mock creation procedure
by comparing to pyccl, which adopts a simple linear bias approxi-
mation. As expected, we find reasonable agreement on large scales
between the galaxy-galaxy lensing observables, 𝐶^𝑔

ℓ
and 𝛾𝑡 (\), but

on small scales, the linear bias model shows substantial deviations,
overpredicting the clustering of ELGs and underpredicting that of
the LRGs (see Fig. 5 and Fig. 6). Furthermore, we generate random
catalogues for the lens population of galaxies, which can be used to
measure the galaxy auto-correlation. In Fig. 7, we show the projected
galaxy clustering, 𝑤𝑝 (𝑟), with and without redshift space distortions
for both LRGs and ELGs, and compare it with two samples generated
using the periodic box, finding exquisite agreement.
In Section 5, we sub-sample the AbacusSummit halo mocks to

match the redshift distributions of the DESI Early Data Release, and
the ensemble properties of the KiDS, DES and HSC weak lensing
datasets.We perform a statistical assignment of photometric redshifts
to partition the data into tomographic bins matching those chosen by
the lensing survey collaborations, and we also apply shear calibra-
tion corrections and shape noise in the framework of these surveys.
Finally, we verify that the cosmic shear correlation functions, galaxy-
galaxy lensing signal and clustering multipole correlation functions
of these catalogues agree with those predicted in the fiducial cosmol-
ogy.
An immediate application of our products, planned for the near-

term, is to extensively test the pipelines developed for analyzing
redshift and weak lensing surveys, and ensure they are capable of
correctly recovering the underlying cosmology and robust to vari-
ous systematic and observational effects. A longer-term goal is to
construct an emulator and use it to constrain astrophysical (e.g.,
galaxy-halo connection) and cosmological parameters from combi-
nations of the latest galaxy and weak lensing data sets. We are also
planning to implement beyond-Born approximation corrections and
baryonic effects, which would allow us to more reliably model ∼0.1
arcmin scales.
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Figure 11. The shear correlation functions ( b+, b−) between the four tomographic source samples of the DES AbacusSummit mocks, as a function of angular
separation \ in degrees. The different panels display measurements for different combinations of tomographic samples, as indicated by the identifiers in the
top-right corner of each panel. We plot the mean and standard deviation of the measurements across the AbacusSummit DES regions, where the light grey lines
indicate measurements for a selection of individual regions. The solid lines show the fiducial cosmological models for ( b+, b−) .

Figure 12. The average tangential shear 𝛾𝑡 of the four tomographic source samples of the DES AbacusSummit mocks, around the three lens samples of the
DESI AbacusSummit mocks, as a function of angular separation \ in degrees. The different panels display measurements for different combinations of source
and lens samples, as indicated by the captions above and to the right of each panel. We plot the mean and standard deviation of the measurements across the
DES regions, where the light grey lines indicate measurements for a selection of individual regions. The solid lines show the fiducial cosmological models for
𝛾𝑡 , assuming a representative linear galaxy bias factor.
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Figure 13. The monopole and quadrupole correlation function b0 and b2 of the three lens samples of the DESI AbacusSummit mocks, as a function of spatial
separation 𝑠 in units of ℎ−1Mpc. We plot the mean and standard deviation of the measurements across the DES regions, where the light grey lines indicate
measurements for a selection of individual regions. The solid lines show the fiducial cosmological models, assuming a representative linear galaxy bias factor
and RSD streaming model.

This research is supported by the Director, Office of Science,
Office of High Energy Physics of the U.S. Department of Energy
under Contract No. DE–AC02–05CH11231, and by the National
Energy Research Scientific Computing Center, a DOE Office of Sci-
ence User Facility under the same contract; additional support for
DESI is provided by the U.S. National Science Foundation, Divi-
sion of Astronomical Sciences under Contract No. AST-0950945 to
the NSF’s National Optical-Infrared Astronomy Research Labora-
tory; the Science and Technologies Facilities Council of the United
Kingdom; the Gordon and Betty Moore Foundation; the Heising-
Simons Foundation; the French Alternative Energies and Atomic
Energy Commission (CEA); the National Council of Science and
Technology ofMexico (CONACYT); theMinistry of Science and In-
novation of Spain (MICINN), and by the DESI Member Institutions:
https://www.desi.lbl.gov/collaborating-institutions.
The authors are honored to be permitted to conduct scientific

research on Iolkam Du’ag (Kitt Peak), a mountain with particular
significance to the Tohono O’odham Nation.

DATA AVAILABILITY

The data and accompanying scripts are publicly available and stored
as a NERSC shared endpoint, “AbacusSummit Weak Lensing”,
at https://app.globus.org/file-manager?origin_id=
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APPENDIX A: TESTING THE PARTIAL SKY SHEAR
MAPS

Given the unusual geometric configuration of the AbacusSummit
base light cones (see Fig. 1), it is important to test the boundary
effects on the lensing observables derived through harmonic trans-
forms of the convergence field, i.e. the shear and deflection angle
field. To this end, we construct the following simple test using the
huge simulations, for which we know the “truth,” since they cover
the entire sky rather than an octant.

Test 1
First, we test the effect of the ^(�̂�) to 𝛾1,2 (�̂�) conversion in the
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event of incomplete sky coverage. In particular, wemeasure the b± (\)
signal for four different scenarios.

(i) Scenario 1:measuring b± from the full-sky 𝛾1,2 (�̂�)map,which
has been obtained from the full-sky ^(�̂�) following Eq. 11.
(ii) Scenario 2: measuring b± from only an octant of the full-sky

𝛾1,2 (�̂�) map, obtained from the full-sky ^(�̂�).
(iii) Scenario 3: measuring b± from the octant 𝛾1,2 (�̂�) map, ob-

tained by converting an octant of ^(�̂�) into 𝛾1,2 (�̂�) following Eq. 11.
(iv) Scenario 4: measuring b± from the octant 𝛾1,2 (�̂�) map, ob-

tained from an octant of ^(�̂�) multiplied by a mask smoothed at the
boundaries with a Gaussian kernel of 2 deg.

In Fig. A2, we show the results of this exercise, finding that the
dominant effect causing deviations from theory is cosmic variance,
though the partial sky conversion does affect the largest scales. In par-
ticular, the curves exhibit minimal differences for \ < 100 arcmin for
b± (\), andwe only see noticeable deviations past that scale for b+ (\).
As expected, the full-sky gamma measurements of b± (\) agree best
with the theoretical prediction, as they do not suffer from boundary
effects. We further notice that the maps obtained by converting an
octant of the ^(�̂�) field into 𝛾1,2 (�̂�) yield almost identical results
regardless of whether a smoothed mask is applied or not. Finally,
the measurements obtained from an octant 𝛾1,2 (�̂�) map cutout from
the full-sky shear maps exhibit only marginal improvement relative
to the other two octant results, suggesting that the main contributor
to the noise is sample variance at those scales. We investigate this
further in Test 2. We comment that on the smallest scales, \ < 1
arcmin, the b− (\) measurements appear to be noise-dominated. We
conjecture that this feature is due to the use of random halo parti-
cles as sources, the nearest pixel assignment procedure, and the map
resolution of 0.2 arcmin.

Test 2
The second test we perform checks separately the octant conver-

sion procedure by using all 8 octants. We compute two sets of 8
measurements, one for each octant. In the first set, we split the full-
sky shear maps, 𝛾1,2 (�̂�), into 8 𝛾1,2 (�̂�) submaps covering an octant
of the sky. This provides us the “idealized” test case, in which the
shear maps have been obtained from the full-sky convergence maps.
In the second set, we apply the same methodology as we do for the
base-resolution simulations: namely, after splitting the convergence
map into octants, we apply the appropriate ℓ-filter (see Eq. 11) to
each submap to obtain the shear. We then calculate b± (\) for the
octants in both sets.
In Fig.A2,we see that the b− curves appear to be largely unchanged

when comparing set one with set two, whereas the b+ curves differ
from each other significantly beyond \ > 100 arcmin. In particular,
the average curve in the lower panel displays a cutoff, much like the
one in Fig. 4, whereas the average curve in the upper panel is more
consistent with pyccl and the full-sky result from Fig A1. We con-
clude that the octant conversion introduces noise along the bound-
aries that decorrelates the signal on large scales for \+, \ > 100,
which are also strongly dominated by cosmic variance. We also con-
firm this via a visual inspection of the difference in the 𝛾1,2 (�̂�) maps
obtained via both procedures. The source catalogue is constructed
using a heavily downsampled halo and particle catalogues, which
contributes to the larger overall variance of the signal compared with
Fig. 4, as the number density of sources is drastically reduced and
the randomly chosen halo particles introduce further noise into the
measurement.
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Figure A1. Test 1, described in Appendix A, of the shear-shear
auto-correlation, b± (\) , at source redshift of 𝑧𝑠 = 0.5, using the
AbacusSummit_huge_c000_ph201simulation. The source catalogue is ob-
tained using downsampled halo and particle catalogues. The full-sky gamma
measurements of b± (\) (pale solid lines) agree best with the theoretical pre-
diction, as they do not suffer from boundary effects. We only see noticeable
differences with the other curves for \ > 100 arcmin. The maps obtained
by converting an octant of ^ (�̂�) yield almost identical results regardless of
whether a smoothed mask is applied or not (dark solid and pale dashed lines).
The 𝛾 measurements cut out from the full-sky 𝛾 maps (dark dashed lines) ex-
hibit only marginal improvement compared with the other two octant results,
suggesting that the main contributor to the noise is sample variance at those
scales.

APPENDIX B: COMPARISON OF ABACUSSUMMIT
POWER SPECTRA TO HALOFIT

In many of the validation plots throughout this paper, we compare the
simulation results from AbacusSummit with pyccl, which adopts
the non-linear matter power spectrum from halofit. However, it is
not clear whether halofit provides a good fit to the nonlinear clus-
tering on small scales. We address this question in this Appendix by
comparing the power spectrumcomputed from the 25 base-resolution
and the two huge-resolution boxes with halofit. The inclusion of
the huge-resolution simulations allows us to test the resolution ef-
fects of these coarser runs, which as we found in Fig. 3, appear to
contribute non-negligibly to the small-scale signal.
Fig. B1 shows the power spectrum of AbacusSummit and
halofit (both total matter and the CDM + baryons) at several dif-
ferent redshifts: 𝑧 = 0.1, 0.2, 0.3, 0.4, 0.5, 0.8 and 1.1. We expect the
particles in theAbacusSummit simulations to be tracers of the CDM
+ baryons component and therefore, the power spectrum to match the
CDM + baryons halofit power spectrum better. In reality, it is hard
to say whether that statement holds or not, as the difference between
the total matter and the CDM + baryons halofit power spectrum
is very small (about 2% for our choice of 0.06 eV neutrino mass).
On large scales, however, there are indications that this is likely the
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Figure A2. Test 2, described in Appendix A, of the shear-shear
auto-correlation, b± (\) , at source redshift of 𝑧𝑠 = 0.5, using the
AbacusSummit_huge_c000_ph201simulation. This test serves as a check
of the effect of converting an octant ^ (�̂�) map into 𝛾1,2 (�̂�) . The top panel
shows the idealized scenario in which the 𝛾1,2 (�̂�) map is obtained from the
full-sky ^ (�̂�) map; then, the full-sky 𝛾1,2 (�̂�) map is partitioned into the 8
octants. The lower panel corresponds to the case in which the full-sky ^ (�̂�)
map is first partitioned and then each of the eight octants is converted into
𝛾1,2 (�̂�) . The b− curves appear to be largely unchanged, whereas the b+
curves are affected beyond \ > 100 arcmin: the average curve in the lower
panel displays a cutoff, much like the one in Fig. 4, whereas the average curve
in the upper one is more consistent with pyccl and the full-sky result from
Fig A1. On scales beyond \ > 100, we are dominated by cosmic variance.

case. It appears that the halofit (CDM + baryons) agreement with
AbacusSummitworsens, as we go to lower redshifts, where theAba-
cusSummit power spectrum becomes more akin to the total matter
signal. This makes sense, as the initial conditions are tuned to re-
produce the response of matter in the presence of a smooth neutrino
component at 𝑧 = 1, as the redshift of interest for current spectro-
scopic surveys. For all scales considered, the discrepancies are less
than 5% (except for on very large scales, which are dominated by
cosmic variance). This is in agreement with the quoted 5% precision
error reported for halofit (Takahashi et al. 2012). We comment
that at fixed scale, 𝑘 = 1 ℎMpc−1, the huge boxes show larger dif-
ferences with respect to halofit (matter), which explains the lower
panel findings in Fig. 3. The largest 𝑘 wavemodes shown correspond
to the Nyquist frequency for the 2048 grid cells per dimension used
in the power spectrum calculation.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure B1. Power spectrum comparison between AbacusSummit and
halofit at various redshifts: 𝑧 = 0.1, 0.2, 0.3, 0.4, 0.5, 0.8 and 1.1. The
top panel shows the averaged result for the 25 base-resolution boxes, whereas
the bottom one comes from the two huge-resolution simulations. The lower
segment of each panel shows the ratio of theAbacusSummit power spectrum
to the total matter power spectrum obtained via halofit, as well as the ratio
of the CDM + baryons halofit power to the total matter halofit power.
For all scales shown, the discrepancies are less than 5%, in agreement with
the quoted 5% error reported for halofit At fixed scale, 𝑘 = 1 ℎMpc−1, the
huge boxes show larger differences with respect to halofit (matter), which
explains the lower panel findings in Fig. 3.
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ABSTRACT
The detections of four apparently young radio pulsars in the Milky Way globular clusters are difficult to reconcile with standard
neutron star formation scenarios associated with massive star evolution. Here we discuss formation of these young pulsars
through white dwarf mergers in dynamically-old clusters that have undergone core collapse. Based on observed properties of
magnetic white dwarfs, we argue neutron stars formed via white dwarf merger are born with spin periods of roughly 10− 100ms
and magnetic fields of roughly 1011 − 1013 G. As these neutron stars spin down via magnetic dipole radiation, they naturally
reproduce the four observed young pulsars in the Milky Way clusters. Rates inferred from 𝑁-body cluster simulations as well
as the binarity, host cluster properties, and cluster offsets observed for these young pulsars hint further at a white dwarf merger
origin. These young pulsars may be descendants of neutron stars capable of powering fast radio bursts analogous to the bursts
observed recently in a globular cluster in M81.

Key words: globular clusters: general – pulsars:general – stars:white dwarf – transients: fast radio bursts

1 INTRODUCTION

The globular clusters in the Milky Way are known to host robust
populations of radio pulsars (e.g., Lyne et al. 1987; Camilo & Ra-
sio 2005).1 For any reasonable initial mass function (e.g., Kroupa
2001), it is well-understood that large numbers of neutron stars form
at early times (𝑡 . 50Myr) in a typical cluster through standard
iron core-collapse and/or electron-capture supernovae (e.g., Podsi-
adlowski et al. 2004), the latter of whichmay be necessary to produce
sufficiently small natal kicks to enable retention in the relatively shal-
lowpotential wells of typical globular clusters (e.g., Pfahl et al. 2002).
However, in present-day globular clusters in excess of 10Gyr in age,
any pulsars formed through massive stellar evolution will have long
since spun down through magnetic dipole radiation rendering them
undetectable as radio sources (e.g., Ruderman & Sutherland 1975).
Thus additional processes are necessary to explain the plethora of
radio pulsars seen in old globular clusters.
One method is the classic low-mass X-ray binary scenario where

the neutron star is “recycled” and spun up to millisecond spin periods
through accretion from a binary companion (e.g., Alpar et al. 1982).
Indeed, themajority of observed globular cluster pulsars are so-called
millisecond pulsars and the processes through which such systems
may form dynamically in a dense stellar environment have been
well-studied (e.g., Sigurdsson & Phinney 1995; Ivanova et al. 2008;
Ye et al. 2019). Furthermore, this scenario connects naturally with
the well-known overabundance of X-ray sources in globular clusters
relative to the Galactic field (e.g., Clark 1975).
However, alongside the broader class of presumably recycled ra-

dio pulsars in globular clusters, there is an additional class of four
apparently young pulsars (Lyne et al. 1996; Boyles et al. 2011) with
relatively long spin periods of 0.1 − 1 s and inferred magnetic fields
of roughly 1011 − 1012 G, larger than those expected in a recycling

★ E-mail: kkremer@caltech.edu
† NASA Einstein Fellow
1 For up-to-date catalog of globular cluster pulsars, see: http://www.naic.
edu/~pfreire/GCpsr.html

scenario where accretion is likely to “bury” any residual neutron star
magnetic field (e.g., Bhattacharya & van den Heuvel 1991). These
four pulsars, which have characteristic ages of roughly 107 − 108 yr
(see Table 1 for a summary of observed properties), have been touted
as evidence for alternative formation scenarios, in particular involv-
ing collapse of massive white dwarfs (e.g., Tauris et al. 2013).2 Such
white dwarf dynamics are motivated by observed populations of cat-
aclysmic variables in globular clusters (e.g., Grindlay et al. 1995)
and also by 𝑁-body simulations of white dwarfs in clusters that natu-
rally lead to both accretion-induced collapse in binaries and massive
white dwarf mergers (e.g., Kremer et al. 2021a).
A recently-observed repeating fast radio burst (FRB) localized to

an old globular cluster in M81 (Bhardwaj et al. 2021; Kirsten et al.
2022) added a new piece to this puzzle. The popular core-collapse-
supernova magnetar mechanism for FRB sources (e.g., Popov &
Postnov 2013; Bochenek et al. 2020) is clearly inconsistent with
this cluster source; any magnetars formed through standard massive
stellar evolution in the cluster will have been inactive for billions
of years by the present day. Alternatively, recent studies (Kremer
et al. 2021b; Lu et al. 2022) have argued this source may instead be
powered by a neutron star born recently through collapse of amassive
white dwarf, similar to the channel throughwhich the aforementioned
four young pulsars may have formed.
In this Letter, we discuss the formation of the four young radio pul-

sars in the Milky Way globular clusters via collapse of white dwarf
merger remnants and connect these objects with the FRB source in
M81. In Section 2, we describe the characteristic birth properties of
neutron stars formed through this scenario, motivated by observed
properties of isolated magnetic white dwarfs. We demonstrate such
neutron stars naturally evolve into objects similar to the young glob-
ular cluster pulsars. In Section 3 we describe a few additional con-

2 An alternative interpretation is that these four pulsars are in fact not young,
but instead were formed through the disruption (via a binary dynamical
encounter) during a low-mass X-ray binary phase. In this case the recycling
process is halted, and these neutron stars appear as so-called partially-recycled
objects (Verbunt & Freire 2014).

© 2023 The Authors
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2 Kremer et al.

Table 1. Properties of the four young pulsars observed in Milky Way globular clusters adapted from Boyles et al. (2011).

Pulsar Host Cluster 𝑃 ¤𝑃 𝐵 Age Cluster Offset Binary? Reference
(ms) (s s−1) (G) (yr) (pc)

PSR B1745-20 NGC 6440 288 4.0 × 10−16 3.4 × 1011 1.1 × 107 0.12 No (a)
PSR J1823-3031B NGC 6624 379 3.0 × 10−17 1.1 × 1011 2.0 × 108 0.53 No (b)
PSR J1823-3021C NGC 6624 406 2.2 × 10−16 3.0 × 1011 2.9 × 107 0.31 No (b)
PSR B1718-19 NGC 6342 1004 1.6 × 10−15 1.3 × 1012 9.8 × 106 5.7 Yes (c)

References: (a) Freire et al. (2008); (b) Lynch et al. (2012); (c) Lyne et al. (1996)

straints that point toward a white dwarf merger origin, namely host
cluster properties, the binarity (or lack thereof) of the four young
pulsars, and the host cluster offsets. In Section 4 we connect these
objects with the M81 FRB repeater and argue the observed young
pulsars may be descendants of FRB sources. We summarize and
conclude in Section 5.

2 YOUNG NEUTRON STARS FROM WHITE DWARF
MERGERS IN GLOBULAR CLUSTERS

In globular clusters, compact objects play an essential role in the evo-
lution of their host environment (e.g., Mackey et al. 2007; Breen &
Heggie 2013). At early times (𝑡 . 10Gyr), stellar black holes dynam-
ically “heat” their host cluster through encounters with one another
and with cluster stars (e.g., Kremer et al. 2020). Through these en-
counters, black holes are “kicked” through gravitational recoils and
are ultimately ejected from their host; thus the number of black holes
decreases as the cluster evolves (e.g., Kulkarni et al. 1993). At late
times (𝑡 & 10Gyr), once nearly all black holes have been ejected,
some clusters can undergo core collapse (e.g., Kremer et al. 2019).
At this point, the next most massive cluster objects – massive white
dwarfs and neutron stars – form their own dense central subsystem
(e.g., Vitral et al. 2022). Within these ultra-dense (𝑛 & 106 pc−3)
centres of core-collapsed clusters, white dwarf binaries form dynam-
ically leading to high rates of white dwarf binary mergers. Using
𝑁-body cluster simulations incorporating these various processes
relevant to compact object dynamics, Kremer et al. (2023) estimated
a white dwarf merger rate of roughly 10−9 yr−1 per typical cluster.
As a consequence of mass segregation, the vast majority (& 90%;
Kremer et al. 2021a) of these white dwarf merger pairs have a to-
tal mass in excess of the Chandrasekhar limit suggesting most lead
to collapse and formation of young neutron stars (e.g., Nomoto &
Iben 1985; Schwab 2021). These relatively high masses may yield
an overabundance of neutron stars formed via this channel in clusters
relative to mergers in the galactic field, which are preferentially lower
mass albeit at a higher overall rate (e.g., Yungelson & Livio 1998).
The properties of neutron stars born through collapse of white

dwarf merger remnants are uncertain and depend on complex evolu-
tion of angularmomentum andmagnetic field during themerger (e.g.,
Dan et al. 2014), subsequent stellar evolution (e.g., Schwab 2021),
and ultimately, the collapse itself (e.g., King et al. 2001; Dessart
et al. 2006). However, some basic insight can be obtained from
the observed properties of isolated highly-magnetic white dwarfs
(e.g., Ferrario et al. 2015), some of which may have formed through
mergers of lower-mass white dwarfs with total mass below the Chan-
drasekhar limit (e.g., Caiazzo et al. 2021).
Consider a white dwarf merger remnant with properties compa-

rable to the observed isolated magnetic white dwarfs of Ferrario
et al. (2015) but with total mass over the Chandrasehkar limit so that

the merger results in collapse.3 Assuming conservation of angular
momentum and magnetic flux of the observed white dwarf sample
during such collapse, we infer characteristic values for the magnetic
field strength and spin period of these hypothetical neutron stars at
birth:

𝐵ns = 𝐵wd (𝑅wd/𝑅ns)2

𝑃ns = 𝑃wd (𝑅wd/𝑅ns)−2. (1)

White dwarf magnetic fields of roughly 106 − 108 G and spin
periods of roughly 1−10 hr (e.g., Ferrario et al. 2015) imply neutron
star field strengths of roughly 1011 − 1013 G and spin periods of
10−100ms (assuming 𝑅ns = 106 cm and 𝑅wd ≈ 3×108 cm; Caiazzo
et al. 2021). See also King et al. (2001); Dessart et al. (2006); Dan
et al. (2014); Schwab (2021) for discussion of such values from
computational models.
In Figure 1 we show the locations of these objects in a 𝑃 ¤𝑃 dia-

gram. Green symbols show locations of neutron stars formed through
massive white dwarf mergers, with properties inferred from con-
servation of angular momentum and magnetic flux of the highly-
spinning (𝑃 < 10 hr) and highly-magnetic (𝐵 > 106 G) single white
dwarfs in the Ferrario et al. (2015) sample (green circles) and ZTF
J190132.9+145808.7 (a likely white merger product) from Caiazzo
et al. (2021) (green triangle).4 Blue symbols show the four young
pulsars in the Milky Way globular clusters of Table 1.
Once formed, a neutron star evolving via magnetic dipole radia-

tion will spin down over time, following tracks of roughly constant
characteristic field strength (dotted lines in Figure 1)

𝐵 ≈
(
3𝑐3𝐼
8𝜋2𝑅6ns

)1/2
(𝑃 ¤𝑃)1/2 ≈ 1012

(
𝑃

100ms

)1/2 ( ¤𝑃
10−14s/s

)1/2
G

(2)

(here 𝐼 ≈ 0.4𝑀𝑅2ns is the neutron starmoment of inertia) and crossing
lines of constant characteristic age (dashed lines in Figure 1)

𝜏 ≈ 𝑃

2 ¤𝑃
≈ 105

(
P
50ms

)2 (
B

1012 G

)−2
yr (3)

(e.g., Shapiro & Teukolsky 1983). As shown in Figure 1, as young
neutron stars formed throughwhitemergers (green points) spin down,

3 The merger candidates in Ferrario et al. (2015) are all far from the Chan-
drasehkar limit, however more massive merger remnants exhibit similar spin
periods and field strengths (Ilaria Caiazzo, private communication).
4 These spin periods may be viewed as upper limits, since in reality these
observed white dwarfs may have spun down from their initial values due to
magnetic winds (e.g., Gvaramadze et al. 2019; Kashiyama et al. 2019).
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Figure 1. 𝑃 ¤𝑃 diagram. In black we show all observed Galactic radio pulsars
(circles; Manchester et al. 2005) and Galactic magnetars (stars; Olausen &
Kaspi 2014). In blue we show the four apparently young pulsars in the Milky
Way globular clusters (Boyles et al. 2011). In green, we show estimates for
birth properties of neutron stars formed via white dwarf mergers computed
from the observed features of isolated white dwarfs in Ferrario et al. (2015)
and (the green triangle) Caiazzo et al. (2021). As the neutron stars represented
as green points evolve along tracks of constant magnetic field (dashed contour
lines) as they spin down via magnetic dipole radiation, they pass through the
𝑃 ¤𝑃 region occupied by the four young pulsars, suggesting a connection
between these two populations.

they pass directly through the region occupied by the four young glob-
ular cluster pulsars, hinting at an evolutionary connection between
these populations.
Eventually, pulsars spin down sufficiently to fall below the so-

called “death line”, an empirical boundary near 𝐵/𝑃2 = 1.7 ×
1011 G s−2 (e.g., Ruderman & Sutherland 1975) below which they
no longer emit observable radiation. For a given initial magnetic
field, the characteristic spin-down time to reach this death line is
roughly 𝜏sd ≈ 108 (𝐵/1012 G)−1 yr. Consider the Milky Way which
contains roughly 100 globular clusters (Harris 1996). If neutron stars
are formed via white dwarf mergers at a rate R ≈ 10−9 yr−1 per
cluster (Kremer et al. 2023), this implies a neutron star formation
rate of roughly 10−7 yr−1 in the full Milky Way cluster population.
For a given magnetic field strength at formation (presumably roughly
in the range 1011 −1013 Gmotivated by the green points in Figure 1)
corresponding to a spin-down time 𝜏sd, we estimate

𝑁obs ≈ 10
(

𝐵

1012 G

)−1 (
𝑁cl
100

) (
R

10−9 yr−1cl−1

)
(4)

apparently young pulsars in the Milky Way globular clusters today,
comparable to the population of four such objects observed.

3 FURTHER CONSIDERATIONS

3.1 Host cluster properties

A key prediction from 𝑁-body simulations is that white dwarf merg-
ers occur by far most frequently in dynamically-evolved clusters that

have ejected nearly all of their stellar-mass black holes (e.g., Kremer
et al. 2020). In the absence of dynamical energy generated through
black hole binary dynamics, the core of the cluster begins to collapse
(for this reason, core radius is a reasonable proxy for dynamical age;
Spitzer 1969). As a consequence, white dwarf mergers occur most
often (by factors & 100) in clusters that have reached, or have nearly
reached, core collapse. If indeed our four observed young pulsars are
formed via white dwarf mergers, we naturally expect the pulsars to
live in host clusters of this type.
NGC 6624 (which contains two young pulsars) and NGC 6342 are

both core-collapsed (Harris 1996) and, although not traditionally cat-
egorized as core-collapsed, NGC 6440 is indeed a very dynamically-
evolved cluster with a small core (e.g., Pallanca et al. 2021). In
Figure 2 we show observed values for core radius versus half-light
radius for all globular clusters in the Milky Way (data from Harris
1996). Filled and open circles show clusters that have and have not
undergone cluster core collapse. Blue points denote the cluster hosts
of the four young pulsars, all of which populate the region of pa-
rameter space occupied by the most dynamically-evolved clusters.
Thus our expectation for finding young pulsars in the densest and
dynamically oldest clusters is met.

3.2 Singles versus binaries

Since the white dwarf companion is disrupted entirely during a white
dwarf merger (e.g., Dan et al. 2014), neutron stars formed through
collapse of white dwarf merger remnants are naturally expected to
be single objects. Notably, three of the four young globular cluster
pulsars are singles, consistent with this expectation. The exception
is PSR BJ1718-19, an eclipsing binary with a roughly 6 hr orbit and
companion mass ≥ 0.12𝑀� (Lyne et al. 1993). Previous analyses
(e.g., Sigurdsson & Phinney 1995) have shown such systems may
form through binary exchange interactions after neutron star forma-
tion. Furthermore, 𝑁-body simulations of core-collapsed clusters
generally predict binary fractions of roughly 5 − 10% for objects of
this type (e.g., Ye et al. 2019; Kremer et al. 2020), consistent with a
binary fraction of 1/4. Additionally, we note the caveat that the asso-
ciation of PSR BJ1718-19 with its presumed host cluster NGC 6342
is the subject of some doubt (see discussion in Boyles et al. 2011). If
in fact this object is not truly a member of its host cluster, then all of
the young pulsars in globular clusters are single objects.

3.3 Cluster offsets

The projected offsets of the young pulsars also yield insight into
their origin. Three of the four objects are found well within the half-
light radii (roughly 2 pc; see Figure 2) of their host clusters. This is
consistent with expectations frommass segregation, even accounting
for natal kicks of order 10 km/s that may initially place these neutron
stars on wide cluster orbits (e.g., Kremer et al. 2023).
The mass segregation timescale for neutron stars of mass 𝑚 ∼

1.5𝑀� is roughly 𝑡ms ∼ (𝑚avg/𝑚)𝑡rh where 𝑚avg ≈ 0.5𝑀� is the
average mass of all cluster objects and 𝑡rh is the half-mass relaxation
time (e.g., Spitzer 1969)

𝑡rh =
0.14𝑀1/2cl 𝑟

3/2
ℎ

𝐺1/2𝑚avg lnΛ

≈ 108
(

𝑀cl
2 × 105 𝑀�

)1/2 (
𝑟ℎ

2 pc

)3/2 (
𝑚avg
0.5𝑀�

)−1 (
lnΛ
10

)−1
yr, (5)
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Figure 2. Core versus half-light radius for all Milky Way globular clusters.
Data taken fromHarris (1996) and Pallanca et al. (2021) for NGC 6440. Filled
(open) circles denote clusters that have (have not) reached core collapse. Blue
symbols denote the three cluster hosts of the four young radio pulsars. As
shown, the hosts for all four of these pulsars are among the densest and
most dynamically-evolved globular clusters in the Milky Way, consistent
with expectations for a white dwarf merger origin (Kremer et al. 2021a).

where we have adopted Coulomb logarithm lnΛ = 10, appropriate
for the clusters of interest here. Thus the young pulsars with charac-
teristic ages of roughly 107 − 108 yr will quite reasonably have had
sufficient time to mass segregate to their hosts’ centres.
The exception again is the binary pulsar BJ1718-19 which is offset

by nearly 6 pc, well outside its host’s half-mass radius. Keeping in
mind the previous caveat about cluster membership, it is possible
that such an offset may be explained through gravitational recoil
associated with a binary exchange encounter that may have formed
this system (e.g., Heggie 1975; Sigurdsson & Phinney 1995).

4 CONNECTING TO THE M81 FAST RADIO BURST

Recent studies have associated the repeating FRB in M81 with a
massive white dwarf merger origin (Kirsten et al. 2022; Kremer et al.
2021b; Lu et al. 2022). The detection of a single globular cluster FRB
source out to the distance of M81 (the enclosed volume of which
contains roughly 1000 total globular clusters; Kremer et al. 2023)
combined with the white dwarf merger rate of roughly 10−9 yr−1
per cluster inferred from 𝑁-body simulations imply an active FRB
lifetime of roughly 105 − 5 × 106 yr (at 90% confidence accounting
for Poisson uncertainty associated with detection of a single event)
is necessary for this source (Lu et al. 2022; Kremer et al. 2023).
The characteristic spin-down luminosity of a neutron star is

¤𝐸 ≈ 1037
(

Bns
1011 G

)2 (
Pns
10ms

)−4
erg s−1 (6)

(see solid line contours in Figure 1). The time-averaged isotropic
equivalent luminosity inferred for the M81 FRB source is roughly
1029 𝑓 −1r erg s−1 (e.g., Kremer et al. 2021b) where 𝑓𝑟 is the uncertain
efficiency factor for creating coherent radio emission. For 𝑓r & 10−8

(consistent with the Galactic FRB; CHIME/FRB Collaboration et al.
2020), the spin-down luminosity is sufficient to power the M81 FRB
source for the required 105 − 106 yr.
Remarkably, this timescale and energy budget are consistent with

the birth properties expected for neutron stars formed through white
dwarf mergers (green points in Figure 1). This hints that (i) white
dwarf mergers may provide an avenue for formation of neutron stars
capable of powering FRBs similar to the M81 source and (ii) given
the discussion in Section 2, the four young pulsars in the Milky Way
globular clusters may be descendants of such FRB sources.
If indeed such rotation-powered neutron stars emit FRBs,why have

no such FRBs been detected from Galactic sources like the Crab pul-
sar which are formed at much higher rates (roughly 10−3 yr−1 in the
Milky Way)? Relatively short spin-down times for Crab-like objects
combined with high beaming factors for FRB emission may provide
a solution. Alternatively, the M81 FRB may instead be powered by
magnetic activity (e.g., Beloborodov & Li 2016) in a neutron star
with 𝐵 & 1014 G (e.g., Lu et al. 2022). Such magnetar-level field
strengths may be attained during collapse of white dwarf merger
remnants if the field increases via dynamo processes (e.g., García-
Berro et al. 2012), however if the magnetic fields are too high, the
activity timescales become inconsistent with the ages required from
white dwarf merger rates (Kremer et al. 2021b). An alternative in-
terpretation is that white dwarf mergers lead to multiple outcomes
(for example, depending on the mass ratio of the pair; e.g., Dan et al.
2014): (i) magnetars capable of powering FRBs and (ii) neutron stars
with 𝑃 ∼ 10ms and 𝐵 ∼ 1012 G that evolve into objects similar to the
young pulsars observed in globular clusters. For a branching fraction
of order unity, the relative rates of both the M81 FRB and the young
pulsars could be accounted for. Regardless of a potential evolutionary
connection between the M81 FRB and the observed young pulsars,
the important role of white dwarf mergers in the formation of young
neutron stars in globular clusters is clear.
Finally, the M81 FRB source is offset from the centre of its host

cluster by roughly 2 pc (Kirsten et al. 2022), consistent with the
offset expected for a neutron star receiving a natal kick of roughly
10 − 40 km s−1 (Kremer et al. 2023) as expected from ultra-stripped
and/or electron-capture supernovae (e.g., Tauris et al. 2015; Janka
2017). The large offset of the M81 FRB may appear to be in tension
with the relatively small offsets of the four young globular cluster
pulsars. However, unlike the FRB source which has an age . 106 yr,
the four young pulsars are sufficiently old (& 107 yr) to allow for two-
body relaxation to return them tomore central locations (Section 3.3).

5 SUMMARY AND CONCLUSIONS

We have explored the formation of the four apparently young radio
pulsars observed in Milky Way globular clusters through massive
white dwarf mergers. We summarize our main findings below:

• Neutron stars formed following collapse of white dwarf merger
remnants are expected to have spin periods of roughly 10−100ms and
magnetic fields of roughly 1011−1013 G. These values are motivated
by both observed properties of white dwarf merger remnants (e.g.,
Ferrario et al. 2015; Caiazzo et al. 2021) and simulations of white
dwarf mergers (e.g., García-Berro et al. 2012; Schwab 2021). Such
neutron stars will be observable as radio pulsars for roughly 107 −
108 yr before they spin down sufficiently to fall below the pulsar death
line. The detection of four young pulsars in the Milky Way globular
clusters with inferred ages of roughly 107 − 108 yr is consistent with
expectations based on massive white dwarf merger rates from 𝑁-
body cluster simulations Kremer et al. (2023).
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• Cluster simulations predict white dwarf mergers occur most
frequently (by factors & 100) in the dynamically oldest clusters that
have undergone or are near core collapse. Notably, all four of the
young globular cluster pulsars are found in clusters of this type.

• Of the four, three of these young pulsars are single objects
without a binary companion consistent with formation via merger of
two white dwarfs. These three singles are all observed well within
their host clusters’ half-light radii, consistent with expectations from
mass segregation. The exception is PSR J1718-19 which has both a
binary companion and a relatively large cluster offset (roughly 6 pc).
Both the binarity and offset may potentially be accounted for by a
binary exchange encounter that led to large gravitational recoil.

• Finally, we argue that white dwarf mergers provide an avenue
for formation of neutron stars capable of powering FRBs similar
to the M81 source (Kirsten et al. 2022). This suggests a potential
evolutionary connection between globular cluster FRB sources and
the four young pulsars in the Milky Way.

In the coming years, state-of-art radio instruments such as CHIME
(CHIME/FRB Collaboration et al. 2018), FAST (Jiang et al. 2020),
the Square Kilometre Array (Dewdney et al. 2009), and DSA-2000
(Hallinan et al. 2019) promise to uncover myriad new radio pulsars
and fast radio bursts. The presence of the M81 FRB specifically
implies large numbers of analogous sources may be detectable in
globular clusters of other nearby galaxies (Kremer et al. 2023). Ad-
ditional detections of such FRB sources will yield further insight
into the origin of these sources and their potential connection with
Galactic radio pulsars.
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ABSTRACT
High-redshift quasars (𝑧 & 6), powered by black holes (BHs) with large inferred masses, imply rapid BH growth in the early
Universe. The most extreme examples have inferred masses of ∼ 109M� at 𝑧 = 7.5 and ∼ 1010M� at 𝑧 = 6.3. Such dramatic
growth via gas accretion likely leads to significant energy input into the quasar host galaxy and its surroundings, however few
theoretical predictions of the impact of such objects currently exist. We present zoom-in simulations of a massive high-redshift
protocluster, with our fiducial fable model incapable of reproducing the brightest quasars. With modifications to this model to
promote early BH growth, such as earlier seeding and mildly super-Eddington accretion, such ‘gargantuan’ BHs can be formed.
With this new model, simulated host dust masses and star formation rates are in good agreement with existing JWST and ALMA
data from ultraluminous quasars. We find the quasar is often obscured as it grows, and that strong, ejective feedback is required to
have a high probability of detecting the quasar in the rest-frame UV. Fast and energetic quasar-driven winds expel metal-enriched
gas, leading to significant metal pollution of the circumgalactic medium (CGM) out to twice the virial radius. As central gas
densities and pressures are reduced, we find weaker signals from the CGM in mock X-ray and Sunyaev-Zeldovich maps, whose
detection - with proposed instruments such as Lynx, and even potentially presently with ALMA - can constrain quasar feedback.

Key words: methods: numerical – galaxies: formation – quasars: supermassive black holes – intergalactic medium

1 INTRODUCTION

There is now a wealth of observational evidence that links the masses
of supermassive black holes with the properties of their host galaxies,
such as the mass and velocity dispersion of the host’s bulge (see e.g.
Kormendy & Ho 2013, for a review). For black holes to grow to their
current large masses, they must have undergone significant episodes
of gas accretion in their past, in accordwith Soltan’s argument (Soltan
1982), as all currently knownmechanisms can only produce relatively
small black hole seeds, withmasses . 106M� (Rees 1984; Volonteri
2010). It is further believed that the accretion of gas to fuel black
hole growth also powers quasars, which can release huge amounts of
energy into the surroundingmedium (for seminal papers, see Schmidt
1963; Salpeter 1964; Lynden-Bell 1969).
In the past two decades, hundreds of quasars have been detected

at high redshift, 𝑧 & 6, suggesting that the black holes that power
themmust have grown to high masses, 108−10M� , in the first billion
years of the Universe’s existence (for a recent review see Inayoshi
et al. 2020). Black holes in excess of 109M� have even been detected
above 𝑧 ∼ 7, further challenging theoretical models of the growth of
such objects (e.g. Mortlock et al. 2011; Bañados et al. 2018; Yang
et al. 2020; Wang et al. 2021; Farina et al. 2022). The current record
holder at 𝑧 > 6 in terms of luminosity and black hole mass is SDSS

★ E-mail: jake.bennett@cfa.harvard.edu

J010013.02+280225.8 (henceforth referred to as J0100+2802), with
a hefty inferred mass exceeding 1010M� at 𝑧 = 6.3 (Wu et al. 2015).
The detected high-redshift quasars are typically very bright, with

bolometric luminosities of 1047−48 erg s−1, implying significant en-
ergy input into their surroundings. This feedback is generally ex-
pected to explain the black hole-galaxy correlations we observe at
lower redshift (e.g. Haehnelt et al. 1998; Silk & Rees 1998), however
the mechanism by which energy from active galactic nuclei (AGN)
couples to galaxies and clusters and their circumgalactic or intraclus-
ter media (CGM and ICM, respectively) is still not fully understood
(for reviews see e.g. Fabian 2012; King & Pounds 2015).
Powerful outflows driven byAGNhave been detected around high-

redshift quasars, with speeds ranging from a few hundred to more
than 1000 km s−1 and significant masses of gas being ejected from
the central galaxy into the CGM (e.g. Maiolino et al. 2012; Bischetti
et al. 2019; Marshall et al. 2023; Yang et al. 2023a). Such outflows
could not only eject gas and dust from the host galaxy and enrich the
CGM around such quasars with metals, but could also heat and clear
out the gaseous halo itself up, reducing the amount of inflowing gas
that can reach the central galaxy to fuel star formation and further
black hole accretion.
A further complication to the story of black hole growth at high

redshift comes from the measurement of quasar proximity zones,
which can be used to estimate the lifetime that a quasar has been
actively emitting ionising radiation. This can sometimes lead to very

© 2023 The Authors
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short estimated lifetimes of just∼104 yr (e.g. Eilers et al. 2018, 2021),
which is difficult to reconcile with large inferred black holes masses
unless accretion is primarily obscured (e.g. Hopkins et al. 2005;
Satyavolu et al. 2023; Šoltinský et al. 2023). This is particularly true
for the proximity zone around J0100+2802, whose small size implies
a quasar age of . 105 yr - not long enough to grow to its observed
size unless growth is hidden by dust (Eilers et al. 2017; Davies et al.
2020). The young “age” of J0100+2802 could also explain why no
Ly𝛼 nebula is detected around it, as it has only recently become
unobscured (Farina et al. 2019). The current and future use of JWST
will allow amuchmore detailed census of obscured AGN, which will
help determine howmuch early black hole growth occurs in obscured
systems (e.g. Yang et al. 2023b).
There have been a number of recent large-scale cosmological sim-

ulations that aim to capture such processes, and evolve populations
of black holes to approximately match local constraints, such as Il-
lustris (Vogelsberger et al. 2013; Genel et al. 2014; Torrey et al.
2014; Sĳacki et al. 2015), IllustrisTNG (Springel et al. 2018; Nelson
et al. 2018; Naiman et al. 2018; Marinacci et al. 2018; Pillepich et al.
2018), eagle (Schaye et al. 2015; Crain et al. 2015), Horizon-AGN
(Dubois et al. 2014), simba (Davé et al. 2019), and ASTRID (Ni et al.
2022b) - for a comparison of black hole populations between many
of these models, see Habouzit et al. (2022). However, the likely hosts
of such bright quasars at high redshift have halo masses in excess
of ∼1012M� (e.g. Porciani et al. 2004), making them rare overden-
sity peaks in the box sizes of these simulations. For example, in the
MassiveBlack simulation, which has a large simulation volume of
(740Mpc)3, only ten black holes of ∼ 109M� were found at 𝑧 = 6
(Di Matteo et al. 2012).
To circumvent this numerical limitation, the zoom-in simulation

technique is regularly used, which studies the evolution of these par-
ticularly rare objects by resimulating the biggest haloes from large,
dark-matter-only simulations (e.g. Sĳacki et al. 2009; Costa et al.
2014; Feng et al. 2014; Smidt et al. 2018; Lupi et al. 2019; Huang
et al. 2020; Zhu et al. 2022). Some recent works have also used a tech-
nique involving constrained Gaussian realisations to create rare over-
densities within small volume simulations (see e.g. Ni et al. 2022a;
Bhowmick et al. 2022). Such zoom-in simulations have produced
a number of supermassive black holes of 109M� , which has also
been done in sufficiently large cosmological boxes (Di Matteo et al.
2012). However, they still struggle to form some of the most massive
observed black holes (≥ 1010M�) at 𝑧 & 6. Only a handful of these
‘gargantuan’ black holes have been generated in previous works. In
Costa et al. (2014), a black hole with mass ∼ 2 × 1010M� was
grown in a run evoking, counter-intuitively, strong galactic winds.
This was due to a particularly extreme case of stellar feedback where
a suppression of star formation leads to increased gas fractions in the
gaseous halo, that in turn leads to enhanced black hole feeding by
𝑧 = 6. Valentini et al. (2021) grew a black hole with a mass in excess
of 1010M� by 𝑧 = 7, but only when they turned AGN feedback off.
And finally Zhu et al. (2022) produced a black hole with a mass just
below 1010M� in a cosmological simulation with feedback, though
this required using both a very heavy seed mass of 106M� and a
very massive halo with a mass > 1013M� by 𝑧 = 6.
Difficulties in growing ultramassive black holes persist even when

invoking extremely efficient gas accretion onto very massive seeds
(∼105−6M�). Under the assumption that their estimated masses are
not biased high, this indicates that either these ‘gargantuan’ black
holes are rarer than what has currently been explored with zoom-in
simulations, or that we are missing some fundamental knowledge
about their formation and assembly. In either case, theoretical pre-
dictions of the impact of these ultramassive black holes in the early

Universe is scarce, despite the growing observational evidence of
their existence. Therefore the primary aim of this paper is to ex-
plore the imprints of & 1010M� black holes and their progenitors
on their surroundings, filling in this important gap in our theoretical
understanding.

The number of known high-redshift quasars will likely increase
significantly in the coming years, due to ongoing and planned deep,
wide-field surveys, such as using LOFAR in the radio (e.g. Smith
et al. 2016; Gloudemans et al. 2022), eROSITA in X-rays (Predehl
et al. 2021), the Vera Rubin Observatory’s Legacy Survey of Space
and Time (LSST) at optical wavelengths (Ivezić et al. 2019), as well
as Euclid (Euclid Collaboration et al. 2022) and the Nancy Grace
Roman Space Observatory (Spergel et al. 2015) in infrared. Such
observations will also push these discoveries to lower luminosities
too, giving a more complete picture of the build up of the black hole
population in the early Universe.

The host galaxies and gaseous haloes of high-redshift quasars, as
well as the quasar properties themselves, can also be investigated
across the electromagnetic spectrum (and beyond). Using ALMA
and JWST, it is possible to infer properties of the host galaxies such
as dust masses (e.g. Tripodi et al. 2023) or stellar light (e.g. Ding et al.
2022). JWST has already been used to find accreting black holes at
even higher redshift (Larson et al. 2023), and as discussed in Inayoshi
et al. (2020), it could even be possible to detect 105M� black holes
accreting at the Eddington rate at 𝑧 = 10 with long exposures from
NIRCam. X-ray spectra from the upcoming XRISM (XRISMScience
Team 2020) and ATHENA (Nandra et al. 2013), and proposed Line
Emission Mapper (Kraft et al. 2022)will allow a detailed high-energy
study of the quasar light itself, and of the quasar surroundings via
absorption. And with imaging from ATHENA, or the proposed AXIS
(Mushotzky et al. 2019) and Lynx (Gaskin et al. 2019) telescopes, it
may be possible to investigate the host gaseous haloes of high-redshift
quasars directly in emission. Future constraints on the power of black
hole feedback will also come from the Sunyaev-Zeldovich (SZ) effect
(Sunyaev & Zeldovich 1970, 1972, 1980), with future instruments
like the Simons Observatory and CMB-S4 scheduled to come online
over the next decade, as well as with the proposed high-resolution
CMB-HD millimeter-wave survey. We note that even with current
instruments like ALMA, a detection of the SZ effect may be possible
(see e.g. Brownson et al. 2019). Furthermore, the use of future radio
observatories like the next-generation Very Large Array and Square
Kilometre Array could potentially detect flux from forming quasars
at even higher redshift (e.g. Latif et al. 2023). Finally, the early growth
of black holes themselves via mergers will be explored in the 2030s
with the upcoming space-based gravitational wave observatory LISA
(Amaro-Seoane et al. 2017).

Given the wealth of observational resources incoming over the
coming decades, a better theoretical understanding of how early,
massive black holes affect galaxy evolution is therefore vital to make
key predictions and help interpret the data from these instruments,
and is what this paper aims to do.

This paper is organised as follows. In Section 2 we introduce the
numerical setup of our simulations, the models we use and the mod-
ifications we have made to encourage early, rapid black hole growth.
In Section 3 we present our results, firstly of the black hole properties
themselves and then of the galaxy and gaseous halo surrounding it.
We discuss some of the caveats to our work in Section 4, before
summarising our conclusions in Section 5.
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2 METHODS

2.1 Basic simulation properties

The simulations in this paper use the cosmological, hydrodynamical
codearepo (Springel 2010), thatmodels gas on amovingmesh based
on theVoronoi tessellation of a set of discretemesh-generating points
that canmovewith the flow.On-the-fly friends-of-friends (FoF,Davis
et al. 1985) and Subfind halo finder (Springel et al. 2001; Dolag
et al. 2009) algorithms are used to identify bound structures in the
simulation output.
This paper focuses on a zoom-in simulation of the largest halo

in the Millennium box (Springel et al. 2005b) at 𝑧 = 6, which has
a virial mass 𝑀200 = 6.9 × 1012M�1. For further details of the
setup of this zoom-in simulation see Sĳacki et al. (2009), though for
reference the dark matter and gas mass resolutions of the simulation
are 6.75× 106 ℎ−1M� and 1.32× 106 ℎ−1M� , respectively, and the
comoving softening lengths are 2.5 kpc. This corresponds to mass-
weighted mean cell radii of ∼0.2 kpc at 2 kpc from the halo centre at
𝑧 = 6, increasing to ∼1 kpc at a distance of 50 kpc. The protocluster
goes on to formagalaxy clusterwith halomass𝑀200 = 4.6×1015M�
at 𝑧 = 0. We have further simulated an additional five massive haloes
at 𝑧 = 6 from the Millennium simulation, with initial conditions
taken from Costa et al. (2014). The results of these simulations are
shown in Appendix A. Like the Millennium simulation on which
it is based, this work uses cosmological parameters ΩΛ = 0.75,
Ωm = 0.25, Ωb = 0.045, 𝜎8 = 0.9 and ℎ = 0.73, consistent with
WMAP cosmological constraints (Spergel et al. 2007).

2.2 The fable model

In this study we use variations atop the feedback model from the
fable suite of simulations (described fully in Henden et al. 2018),
itself a modified version of the feedback model from Illustris (Vo-
gelsberger et al. 2013; Genel et al. 2014; Torrey et al. 2014; Sĳacki
et al. 2015). The star formation and stellar feedback prescription for
all runs remain unchanged from the base fable model.
In the standard version of fable, seed black holes of 105 ℎ−1M�

are placed at the gravitational potential minimum of haloes above a
given halo mass threshold, 𝑀h,seed, which is an input parameter of
the model (with a fiducial value of 5 × 1010 ℎ−1M�). Black holes
can grow through mergers with each other or through the accretion
of gas, which is parameterised by a Bondi-Hoyle-Lyttleton-based
model (Hoyle & Lyttleton 1939; Bondi & Hoyle 1944; Bondi 1952),

¤𝑀Bondi =
4𝜋𝐺2𝑀2BH𝜌

𝑐3s
, (1)

where 𝐺 is the gravitational constant, 𝑀BH is the black hole mass,
and 𝜌 and 𝑐s are the gas density and sound speed of the surrounding
gas (the 32 nearest neighbour cells in the simulation).
In reality, the medium a black hole sits in is likely to be denser

than it is possible to probe with current cosmological simulations,
both due to the limited range of spatial scales resolved and too-low
interstellar medium densities modelled with sub-grid models for star
formation. For this reason, the black hole accretion rate is often
artificially boosted, and becomes ¤𝑀BH = 𝛼 ¤𝑀Bondi, where 𝛼 = 100
is the boost factor employed in fable (see e.g. Springel et al. 2005a).

1 𝑀200 and the virial mass refer to the mass contained within 𝑅200, the
radius within which the average density is 200 times the critical density of
the Universe at the redshift of interest.

Table 1.Asummary of the three simulationswehave performed and themodel
parameters we have used for each run. The columns list the run name, the halo
mass threshold in which seed black holes are placed, the maximum allowed
Eddington fraction, and the coupling strength of quasar mode feedback (see
Section 2.2).

Run name 𝑀h,seed [M�] 𝑓Edd,max Feedback coupling strength

NoAGN - - -
FABLE 5 × 1010 1 0.1
Reference 1 × 109 2 0.05

The luminosity of an AGN (and therefore the energy potentially
available for feedback) is related to the black hole accretion rate via
𝐿 = 𝜖r ¤𝑀𝑐2, where 𝜖r = 0.1 is the radiative efficiency of the black
hole used in fable. Due to the radiation output from the black hole,
the accretion rate is assumed to be capped at the Eddington limit,
which (assuming ionised hydrogen) is

¤𝑀Edd =
4𝜋𝐺𝑀BH𝑚p

𝜖r𝜎T𝑐
, (2)

where 𝑚p is the proton mass, 𝑐 is the speed of light and 𝜎T is the
Thomson cross-section.
fable, like Illustris, uses a dual-mode feedback model for AGN,

depending on the black hole accretion rate. For the quasar mode, at
high accretion rates, 10 per cent of the feedback energy is isotrop-
ically injected as thermal energy with a duty cycle of 25Myr (mo-
tivated by the AGN model introduced by Booth & Schaye 2009).
At low accretion rates a radio mode is invoked, which injects hot
bubbles into the gas around the black hole (following Sĳacki et al.
2007) when the black hole mass changes by 1 per cent.
Dynamical friction cannot bewell resolved in these simulations, so

black holes are migrated to (and kept in) the centre of their host halo
by repositioning them to be at the minimum gravitational potential of
particles within their smoothing length at each active timestep (as per
Springel et al. 2005a). This process occurs much faster than it would
under dynamical friction. In addition, mergers happen immediately
when two black hole particles are within each other’s smoothing
lengths. The combination of these effects means that mergers are
too efficient in simulations with such models, like Illustris (Vogels-
berger et al. 2013), IllustrisTNG (Weinberger et al. 2017) and fable
(Henden et al. 2018).

2.3 Modifications

We present results from three zoom-in simulations in this paper, with
the relevant parameters of each run described in Table 1. The base
fable run (stylised as “FABLE” in the figures) uses the standard
fable model without modification, as a benchmark simulation to
compare to. There is also an equivalent “NoAGN” run,which uses the
standard fable setup except with all black hole growth and feedback
switched off.
For the modified run (henceforth termed “Reference” runs) we

make a number of changes to the base fable model to promote
black hole growth. We switch off the duty cycle for quasar feedback
implemented in fable (returning to a quasar mode closer to Illustris),
as this makes this mode of feedback less effective. The low accretion
rate “radio”mode of feedback is also switched off for the same reason,
though we note this mode may not be dominant at high redshifts (see
Fig. 2). Additionally, we switch off the pressure criterion present
in the original Illustris simulations, which lowered the estimated
accretion rate to avoid the artificial inflation of unphysically large,
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hot bubbles in the immediate vicinity of the black hole (see section
2.6.2 of Vogelsberger et al. 2013).
We seed black holes earlier (and also generate more of them), by

lowering the halo mass in which black holes are seeded to 𝑀h,seed =
109 ℎ−1M� . This increases the redshift at which the first black hole
is seeded from 𝑧 ∼ 13 to 𝑧 ∼ 18, gaining an extra ∼ 100Myr for
the black hole to grow. Reducing the halo mass threshold for black
hole seeding has the additional effect of significantly increasing the
number of black hole particles in the simulation, as also noted by
Huang et al. (2020), though we have verified that the final black hole
mass only has a small contribution from seed mass black holes (see
also Sĳacki et al. 2009, for a further discussion on the contribution
of seeding and mergers in quasar growth).
We also switch off the basic, proximity-based AGN radiation field

present in fable, Illustris, and IllustrisTNG, which exists as a su-
perimposed radiation field on top of the uniform UV background
(and does not self-consistently follow AGN radiation with radiative
transfer, see Vogelsberger et al. 2013, for details). We note that the
radiation fields of the increased number of growing black holes men-
tioned above does have an impact on the thermal state of the IGM
outside of the halo accretion shock, which could impact accretion
through the CGM. However to investigate this properly would re-
quire on-the-fly radiative transfer simulations that are beyond the
scope of this work. We find that turning this radiation field off makes
little difference to the properties of the black hole or central galaxy,
so to be consistent between the runs with and without black holes we
leave this off in this work.
Importantly, we also reduce the amount of feedback energy being

injected by the quasar-modemodel, from 10 per cent (as in fable and
TNG) to 5 per cent (as in the original Illustris). We note that this does
not mean that the total injected feedback energy is reduced, as this
also crucially depends on the black hole mass, which as we will show
is higher. The main effect of reduced feedback coupling efficiency
is to promote earlier growth of black holes, with feedback-regulated
growth kicking in at a somewhat higher black hole mass. We also
allow the black hole to accrete gas at mildly super-Eddington rates,
with a maximum-allowed Eddington fraction 𝑓Edd,max = 2. These
changes have the dual effect of reducing the effectiveness of AGN
feedback earlier in the evolution of the halo, allowing more gas to
remain present in the central regions of the forming galaxy, as well
as allowing more of that gas to be consumed by the black hole.
We note that the purpose of this paper is not to find the ‘correct’

way of growing a ‘gargantuan’ black hole, nor do we claim the
changes we make are the only way to do so. Our aim is to show a
plausible pathway to grow a black hole with a mass in agreement
with the brightest high-redshift quasars to explore the impact that
feedback from such an object could have.

2.4 Diagnostics

In addition to the properties of the black holes themselves, we also
investigate the impact of the quasar on the galaxy and its surround-
ings via a number of observables accessible to current or future
instruments.

2.4.1 Obscuration and observability

We track the bolometric luminosity of accreting black holes on-the-
fly in the simulations, which we can compare to observed samples
of high-redshift quasars. However, such a comparison is not trivial.
Most high-redshift quasars discovered to date were found in the rest

frame UV by wide area surveys like SDSS. Significant amounts of
gas and dust in the quasar host galaxy along the line of sight to Earth
can drastically reduce the apparent brightness of quasars in the UV.
To perfectly model this obscuration would involve radiative transfer
simulations and a model for dust, which is beyond the scope of this
paper, however we can make relatively simple approximations for
both that can allow for better comparison to observations.
To start with, we calculate the bolometric luminosity of the quasar

from the simulation output,

𝐿bol = 𝜖r ¤𝑀BH𝑐2, (3)

where 𝑐 is the speed of light, 𝜖r = 0.1 is the radiative efficiency of the
black hole in arepo and ¤𝑀BH is calculated from the boosted Bondi-
Hoyle-Lyttleton rate as described in Section 2.2. To then estimate the
UV luminosity we perform a reverse bolometric correction using the
fit of Venemans et al. (2016),

log
(

𝐿bol
1046 erg s−1

)
= 0.459 + 0.911 × log

(
_𝐿_ (1450Å)
1046 erg s−1

)
. (4)

We then calculate the intrinsic (unattenuated) quasar UV flux at the
cosmological distance to the redshift of the snapshot. This flux would
then be attenuated by dust in the quasar host galaxy,

𝐹obs = 𝐹int𝑒
−𝜏_ , (5)

where 𝜏_ is the UV optical depth, defined as

𝜏_ = ^_
𝑓DG

𝑓DG,MW
Σgas = ^_

1
𝑓DG,MW

Σdust. (6)

Here, ^_ is the UV extinction cross-section, which we take in this
work to be 1000 cm2 g−1 (following Thompson et al. 2015), valid for
a Milky Way dust-to-gas ratio 𝑓DG,MW. Σgas is the total gas column
density, and Σdust = 𝑓DGΣgas is the dust column density. We note
that we calculate the dust column density from the cold metal mass,
as described below, rather than from a dust-to-gas ratio applied to all
gas.
We do not track dust on-the-fly in the simulation, so we make the

simple approximation that dust makes up 15 per cent of the mass
stored in metals (as in Di Mascia et al. 2021; Vito et al. 2022). We
therefore calculate the dust mass of a quasar host by summing up 15
per cent of the cool metal mass (with 𝑇 < 5× 104 K, to approximate
the effect of thermal sputtering) within 1.5 kpc of the black hole at
each timestep, with the radius chosen to match the largest observed
dust radius in the sample of Gilli et al. (2022). We find our results on
obscuration do not strongly depend on the 15 per cent dust to metal
ratio parameter, and that our dust masses are in reasonable agreement
with observational samples (see Section 3.2).
To calculate the column density, we generate ∼10, 000 radial rays,

of length 5 kpc, from the position of the black hole at each snapshot,
equally spaced on a sphere. A ray length of 5 kpc was chosen as
it always exceeds twice the stellar half-mass radius of the central
galaxy and so gives us an indication of the host absorption. We also
repeated the calculations with rays of up to 50 kpc and found our
results did not change significantly, with only a slight decrease in the
number of rays with the lowest column densities when more dense
gas in the CGM was included, similar to what was found by Ni et al.
(2020). Each ray contains 1024 logarithmically spaced radial points,
which we associate with the properties (density and metallicity) of
their nearest cell. By numerically integrating along each radial ray
(assuming values are piecewise-constant along the ray), we therefore
calculate a distribution of the column densities of hydrogen (𝑁H) and
metals at every snapshot of the simulation.
After adding these steps together we reach an observed flux, which
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we then convert into an apparent magnitude to be able to compare to
future observational expectations.

2.4.2 Hi

The dense gas in and around the quasar host could often be self-
shielded from background radiation fields, however a full treatment
of this would require radiative transfer. For the purposes of this
paper, we therefore make approximations to estimate the Hi mass
of each cell. Specifically, we follow the prescription of Bird et al.
(2013), where gas is assumed to transition from self-shielded at high
densities to being in equilibrium with the UV background at low
densities (see equation 1 in Bird et al. 2013).

2.4.3 Ly𝛼

An important observational probe of the cool gas content and its
dynamical state is that of the bright, resonant Ly𝛼 line, which can
be traced using MUSE of JWST observations. A full treatment of
Ly𝛼 luminosities would require detailed photoionisation and radia-
tive transfer calculations, taking into account both stellar and AGN
radiation, which we leave to future work. However, we can again
make approximations to estimate the luminosity and morphology
from our existing simulations. We consider the Ly𝛼 luminosity that
comes from collisionally ionised hydrogen, using the temperature
dependent rate coefficients from appendix A of Smith et al. (2022).
Ly𝛼 photons are emitted from collisionally ionised hydrogen within
a fairly narrow temperature range (3 × 104 K . 𝑇 . 5 × 104 K), and
we note we exclude all star forming gas from these calculations as its
temperature is not self-consistently tracked.
We note that our simplistic choice of Ly𝛼 production means we

are excluding the production of Ly𝛼 from radiative recombination,
and the absorption of Ly𝛼 photons by dust. We also neglect the
contribution of Ly𝛼 photons from the broad line region of the AGN
itself, which can be an important source of photons to power a Ly𝛼
nebula (see Costa et al. 2022). Due to these reasons, the total Ly𝛼
brightness of our haloes should be treated with caution. However, as
a proof of concept, we can still investigate how the brightness and
morphology changes between different feedback models.

2.4.4 Hot gas definition

For some of the properties of the gaseous halo, such as X-ray emis-
sion and the thermal SZ effect, only cells containing hot gas should
contribute. In this work, this hot gas is determined by removing cold
clumps from the simulation output in the same way as Bennett & Si-
jacki (2020, 2022), using a rescaled version of the method described
in Rasia et al. (2012). We separate the ‘hot’ gas phase from the ‘cool’
using the condition

𝑇 > 𝑁 × 𝜌0.25 , (7)

where 𝑇 and 𝜌 are the temperature and density of the gas and 𝑁

is a normalisation factor. We assume the same fixed normalisation
factor 𝑁 = 3 × 106 keV cm3/4 g−1/4 as Rasia et al. (2012), where
temperature is in keV and density is in g cm−3. We then rescale this
relation by the temperature, 𝑇500, of the simulated halo, relative to
the mean 𝑇500 of the haloes in Rasia et al. (2012). While this cut was
developed using simulations of low-redshift galaxy clusters, we have
verified it still separates the hot phase of the CGM of our haloes at
high redshift.

2.4.5 X-ray

We produce mock X-ray images of the halo in a number of ways.
Firstly, we use the simple Bremsstrahlung approximation (as in e.g.
Bennett & Sĳacki 2022)

𝐿X,Br =
1.2 × 10−24

`2𝑚2p

∑︁
𝑖

𝑚𝑖𝜌𝑖`
−2
𝑖 𝑇

1/2
𝑖

, (8)

where 𝑚, 𝜌, ` and 𝑇 are the mass, density, mean molecular weight
and temperature, respectively, of individual hot gas cells.
We then produce more realistic X-ray mocks to make predictions

for several planned or proposed X-ray telescopes. Firstly, using the
pyXSIM package (ZuHone & Hallman 2016), itself based on the
phox (Biffi et al. 2012, 2013) and yt (Turk et al. 2011) packages,
we generate and project X-ray photons from the simulation output.
Specifically, we take a spherical region of radius 500 kpc around the
centre of the largest halo at 𝑧 = 6 and then generate thermally emitted
photons from the hot gas component assuming collisional ionisation
equilibrium. We note that photoionisation and resonant scattering
could also play a significant role in the gaseous halo of these quasars,
however the modelling of this in pyXSIM is not currently designed for
such high redshift and so we leave this explicit modelling to future
work. Importantly, this means that the X-ray brightness of the halo
presented in this work is a somewhat conservative lower limit. We
further note that to minimize the impact of a recent burst of quasar
feedback at 𝑧 = 6 in the very central regions, when making our mock
X-ray images we do not include gas in the central 1 kpc, allowing us
to focus on the integrated quasar feedback effect on the hot halo.
After the photon list is generated, we use the SOXS (ZuHone et al.

2023) package to produce mock 1Ms observations using the pro-
posed ATHENA (Nandra et al. 2013), AXIS (Mushotzky et al. 2019),
and Lynx (Gaskin et al. 2019) X-ray telescopes, including astrophys-
ical foregrounds and instrumental backgrounds. We note that while
other proposed X-ray telescopes such as XRISM (XRISM Science
Team 2020) or the Line Emission Mapper (Kraft et al. 2022) would
not be able to spatially resolve the gaseous halo of the quasar, their
high-resolution spectra could allow interesting down-the-barrel stud-
ies of the halo using the light of the quasar itself.

2.4.6 SZ effect

We also produce mock maps of the SZ effect along a line-of-sight
(chosen to be along the +𝑧 axis of the simulation box in this work).
For the thermal SZ (tSZ) effect, the projected Compton-𝑦 value along
a line-of-sight is proportional to the integrated electron pressure,

𝑦 =
𝜎T
𝑚e𝑐2

∫
𝑃e d𝑧 , (9)

where 𝜎T is the Thomson scattering cross-section, 𝑚e is the electron
mass, 𝑐 is the speed of light and 𝑃e = 𝑛e𝑘B𝑇 is the electron pressure.
We also make the assumption that the electron temperature 𝑇e is the
same as the gas temperature, 𝑇 . The amplitude of the kinetic SZ
effect (kSZ), 𝑤, is proportional to the line-of-sight gas velocity, 𝑣z,

𝑤 = −𝜎T
𝑐

∫
𝑛e𝑣z d𝑧 , (10)

and can provide additional constraints on the dynamics of gas in
haloes. The kSZ effect can come from any ionised gas moving with
sufficient bulk velocity, even at lower temperatures than the hot halo,
unlike X-ray emission and the tSZ effect. We therefore create these
maps using all ionised gas that is not star-forming and that has a
temperature 𝑇 > 3 × 104 K.
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Figure 1. Growth of black hole mass as a function of redshift for the largest
black hole in each run considered in this paper. Thinner lines show the
mass growth of black holes that merge into the primary progenitor in each
simulation. The blue shaded area shows the region at which a black hole
would exceed the median 𝑧 = 0 𝑀BH/𝑀∗ relation, and the red area shows
the equivalent for a ratio of 𝑀BH/𝑀∗ = 0.15 (the current record 𝑧 = 0
ratio). The calculation of these regions use the stellar mass from fable only
for clarity. Individual points show where observations of black holes lie:
open black circles show masses > 2 × 109M� estimated from the Mgii
line widths (Kim & Im 2019; Yang et al. 2020; Wang et al. 2021), gold
hexagons show data from JWST, all using H𝛽 line widths (Eilers et al. 2022;
Marshall et al. 2023; Larson et al. 2023) apart from the Mgiimeasurement of
a black hole in GN-z11 at 𝑧 = 10.6 (Maiolino et al. 2023). Error bars show
a representative 0.5 dex error, from the systematic uncertainty in estimating
virial black hole masses from observed line widths (e.g. McLure & Dunlop
2004; Vestergaard & Osmer 2009). The black square highlights the data
from J0100+2802, the brightest observed high-redshift quasar. The changes
we made in our Reference simulation allow us to grow a black hole that
matches both the highest redshift observed quasars and the brightest known
high-redshift quasar.

3 RESULTS

In Table 2 we show the 𝑧 = 6 black hole mass, as well as the
stellar mass, star formation rate (SFR), stellar half-mass radius, and
stellar velocity dispersion of our the quasar host galaxy for all of
the simulations we have performed. With the changes we made to
fable to generate our Reference run, we have a final black hole
mass in excess of 1010M� by 𝑧 = 6, an order of magnitude larger
than in fable. Despite this, the drop in its host galaxy’s stellar mass
and SFR are less dramatic, with a decrease of ∼50 and ∼33 per
cent, respectively. Interestingly, the stellar half-mass radius more
than doubles in the Reference run, indicating that the strong AGN
feedback not only reduces the stellar mass but also makes the quasar
host galaxy significantly less compact. We investigate this further in
Section 3.4. Unsurprisingly, the less compact and less massive quasar
host galaxies in the Reference run results in a lower stellar velocity
dispersion, and furthermore galaxy morphology becomes somewhat
more ‘disky’.

3.1 Black hole mass evolution

In Fig. 1 we show the mass growth curves of the most massive
black hole in our simulations, compared to the largest known high-
redshift black holes from observations. Observed black hole masses
(estimated from the virial theorem applied to the broad-line region of
an AGN, e.g. McLure & Jarvis 2002; Vestergaard &Osmer 2009) are
shown from a range of recent works as individual points. These data
are primarily taken from Table 3 of Kim & Im (2019), who estimate
black hole masses, luminosities, and star formation rates of quasars
and their hosts from a selection of literature data (Wang et al. 2007,
2008, 2011, 2013, 2016; Willott et al. 2010; De Rosa et al. 2011;
Venemans et al. 2012, 2017; Omont et al. 2013; Bañados et al. 2015,
2018; Wu et al. 2015; Mazzucchelli et al. 2017; Decarli et al. 2018;
Eilers et al. 2018; Shen et al. 2019). In this and subsequent figure,
we only include data from Kim & Im (2019) for black holes with an
inferred mass > 2×109M� , both for visibility on Fig. 1 and because
the focus of this paper is on the largest black holes at high redshift.
We also include data from two very high-redshift quasars discov-

ered since Kim & Im (2019) was published (Yang et al. 2020; Wang
et al. 2021) in Fig. 1. All of these use the Mgii line width to estimate
black hole masses. In addition, we show four measurements of ac-
creting black hole masses inferred from H𝛽 line widths, made using
JWST (Eilers et al. 2022; Marshall et al. 2023; Larson et al. 2023).
Finally, we include the recent measurement of a black hole in GN-
z11, inferred using Mgii line widths observed with JWST (Maiolino
et al. 2023). In this and subsequent plots, we use a black square
to highlight the available data for J0100+2802, the largest known
high-redshift quasar, whose ‘gargantuan’ inferred black hole mass of
∼1010M� strongly motivated this project.
The blue shaded region in Fig. 1 shows where a black hole mass

would exceed the 𝑧 = 0median black hole to stellar mass ratio (∼0.4
per cent, e.g. Kormendy & Ho 2013) for the stellar mass in the fable
run. The red region shows the equivalent for a black hole to stellar
mass ratio equal to the current claimed maximum 𝑀BH/𝑀∗ ratio
(∼15 per cent, van den Bosch et al. 2012; Seth et al. 2014).
The pink line in Fig. 1 shows the largest black hole in the fable

run, which undergoes approximate exponential growth after 𝑧 = 10
and reaches a mass at 𝑧 = 6 of 1.4 × 109M� . This is consistent
with the observed masses of some quasars at this epoch, suggesting
the fiducial fablemodel can potentially produce of the less-massive
observed objects at 𝑧 = 6. We note that the two earliest discovered
accreting black holes to date, with inferred masses of ∼ 107M� at
𝑧 = 8.7 (Larson et al. 2023) and ∼2× 106M� at 𝑧 = 10.6 (Maiolino
et al. 2023), both lie fairly close to the fable growth path. This implies
that even in an Eddington-limited scenario with active feedback, such
a black hole could easily be a progenitor of ∼ 109M� black holes
powering quasars by 𝑧 ∼ 6. However, our results imply that these two
very high-redshift black holes are less likely to be progenitors of the
brightest discovered high-redshift quasars. The further implication
is that either there could be a population of even more massive black
holes at 𝑧 > 8 that have yet to be discovered, or that significant super-
Eddington accretion is widespread and, crucially, sustained, for such
early black holes to grow into ‘gargantuan’ ones a short time later.
Considering both the largest known high-redshift black hole (∼

1010M� at 𝑧 = 6.3) and those discovered at even higher redshift
(𝑧 & 7.5), the fable model only produces black holes an order
of magnitude below the observed mass estimates of these brightest
quasars. This implies that either the fiducial fable model simply
cannot produce such massive black holes - perhaps unsurprising
given fable has been in no way tuned to reproduce the properties of
high-redshift quasars - or an even rarer host halo might be required.
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Table 2. A summary of the 𝑧 = 6 black hole mass in each of the zoom-in simulations in this work, as well as the stellar mass and instantaneous star formation
rate of its host galaxy, evaluated within twice the stellar half-mass radius. We also report the value of the stellar half-mass radius, 𝑅∗, and the one-dimensional
stellar velocity dispersion of stars within the stellar half-mass radius, 𝜎∗,1D = 𝜎∗,3D/

√
3.

Run name 𝑀BH [M�] 𝑀∗ [M�] SFR [M� yr−1] 𝑅∗ [kpc] 𝜎∗,1D [km s−1]

NoAGN - 3.5 × 1011 1255 0.53 426
FABLE 1.4 × 109 2.8 × 1011 306 0.68 406
Reference 1.3 × 1010 1.5 × 1011 210 1.78 353

Our halo is already the most massive in the entire Millennium
simulation box (with 500 ℎ−1 comoving Mpc on a side), suggesting
significantly bigger boxes would be needed to find a more massive
halo.However, it isworth remembering that such haloes (& 1013M�)
are likely to be very rare at high redshifts in a ΛCDM Universe.
In fact, in the MillenniumXXL simulation (Angulo et al. 2012),
which is 4.1 ℎ−1 comoving Gpc on a side, the most massive FoF
halo2 has ∼ 4× 1013M� . Rescaling MillenniumXXL to Planck-like
cosmology would lead to the most massive FoF halo mass 𝑀FoF ∼
2.7 × 1013M� (see figure 2 of Angulo et al. 2012), implying that
our relatively high value of 𝜎8 somewhat helps us simulate a rarer
proto-cluster overdensity, which would be more readily found in a
simulated volume larger than that of Millennium.
Whenwemove to our Reference run (the dark purple line in Fig. 1)

we see how the changes we have made to the fable model have a
significant effect. Firstly, the black hole grows much earlier due to
the higher seeding redshift, reaching the same mass as the 𝑧 = 6
fable run at 𝑧 ∼ 7.5. The final black hole mass of the Reference
run at 𝑧 = 6 is consistent with the largest observed black holes at
this epoch, an order of magnitude above the fiducial fable run. The
Reference run is also consistent with the brightest quasars at 𝑧 > 7,
suggesting these even higher redshift black holes may be on a track
to becoming 1010M� black holes by 𝑧 ∼ 6.
One may envisage that the changes we made to the fable model

could overproduce the number density of bright quasars as we are
extracting our halo from theMillennium simulation, whose volume is
about hundred times smaller than that of surveys probing high redshift
quasars (but see discussion above about the effects of cosmology).
It is important to stress here that the host halo mass and its local
overdensity are not the sole requirements for successful growth of
very massive black holes, as the early assembly history of these
rare massive haloes plays a significant role (for further discussion
see Costa et al. 2014). Nevertheless, to better explore the imprint
of our changes with respect to the fable model, we have simulated
additional five most massive haloes from the Millennium simulation,
taking the initial conditions from Costa et al. (2014). The growth
curves for the most massive black hole in each of these haloes both
for the fable and the Reference setup are shown in Appendix A.
Reassuringly, we see that only in the most massive Millennium halo
black hole mass of ∼ 1010M� is reached by 𝑧 ∼ 6 for the Reference
setup. The black hole masses in the other five halos are consistent
with observationally-estimated quasar masses, while the fable setup
produces black holes which are typically one order of magnitude
less massive. Excitingly, upcoming JWST observations together with
theoretical models exploring even rarer objects, may soon help us
distinguish between these different growth models (see e.g. Jeon
et al. 2023).
Focusing now on the co-evolution between black holes and their

2 Note that 𝑀FoF and 𝑀200 are distinct measures, with the former often
being larger.

host galaxies, we note that the most massive black hole in the fable
run lies below the median 𝑧 = 0 black hole to stellar mass ratio (the
bottom of the blue shaded region) for most of its evolution but falls
onto the relation by 𝑧 = 6. In the Reference run, the black hole lies
significantly above the median 𝑧 = 0 relation throughout, but never
exceeds the maximum known ratio at low redshift (15 per cent). We
note that a black hole following the median 𝑧 = 0 mass ratio to
high redshift is not required, or even necessarily expected, and the
evolution of this ratio is both observationally and theoretically poorly
constrained (see e.g. results and discussion in Habouzit et al. 2022).
At earlier times in both the fable and Reference runs, several

major mergers cause jumps in the black hole mass, with the merging
black holes (that have a mass above 107M�) shown as thinner lines
in Fig. 1. In contrast to the work of Zhu et al. (2022), we find that
major black hole-black hole mergers can play a significant role in
their mass growth at certain points in the halo’s evolution, and may
help black holes grow to very large masses in the early Universe (see
also Sĳacki et al. 2009).
There is also expected to be a range of black hole seed masses in

the early Universe. While our fiducial and Reference models both use
a seed of 105M� , we note that an even larger seed with a rapid early
growth could allow such an extreme object at an even higher redshift.
Recent work has also suggested that mergers between massive haloes
can lead directly to even larger seed mass black holes (Mayer et al.
2023). Better-constrained quasar luminosity functions pushing to
higher redshift will be needed to know how realistic such paths could
be. In addition to this, super-Eddington accretion beyond twice the
Eddington limit could also play a role. However, this can also increase
the amount of inputted feedback energy, and so it is unclear what the
effective change in total black hole mass would be (see e.g. Zhu et al.
2022).

3.2 Accretion, obscuration and observation

In Fig. 2 we show the redshift evolution of a number of properties
relating to the accretion of the black hole and its observability, with
the left panel showing data from the fable run and the right panel
showing data from the Reference run.
The top panels in Fig. 2 show the Eddington fraction, 𝑓Edd =

¤𝑀BH/ ¤𝑀Edd, for the largest black hole and itsmostmassive progenitor
in both runs. The faded coloured lines show 𝑓Edd calculated at every
timestep the black hole particle is active, with the darker lines on
top showing a moving average of 100 timesteps. Observational data
points from Kim & Im (2019) are shown as open circles on the
plot, and two data points from JWST are shown as gold hexagons
(Marshall et al. 2023). As a reminder, fable is capped at 𝑓Edd = 1,
and the Reference run is capped at 𝑓Edd = 2.
Above 𝑧 = 6.5 the main progenitor in both the fable and Refer-

ence runs are accreting near to or above the Eddington rate almost
constantly. This demonstrates that in a realistic cosmological envi-
ronment there is ample gas supply available in sufficiently rare and
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Figure 2. Evolution of black hole accretion and observability properties for the fable (left) and Reference (right) simulations. Eddington fraction (top row)
and bolometric luminosity (second row) are shown for the largest black hole and its largest progenitor. Faded lines show the value at every timestep the black
hole particle is active, and the darker lines show a rolling mean with a width of 100 timesteps. Observational data points are shown as either open circles or
gold hexagons (for data from JWST), with errors where available, from the sources cited in Section 3.1. The dashed horizontal line shows the Eddington limit,
𝑓Edd = 1. The black squares highlight the data from J0100+2802, the largest observed high-redshift quasar. The fable cannot grow black holes big enough to
explain the luminosity of very bright, high-redshift quasars, but our Reference run can. Third row: distribution of hydrogen column densities along ∼ 10, 000
rays of length 5 kpc from the black hole. Median values are shown as solid squares for each run, compared to the empty squares for the NoAGN run. The full
distribution, illustrated with a violin plot, is only shown for alternate snapshots for clarity. Dotted horizontal line shows the threshold for the gas being Compton
thick (𝑁H = 1/𝜎T). The Reference run is more effective than fable at clearing out gas from the centre of the quasar host galaxy. Fourth row: Dust mass within
1.5 kpc, see Section 2.4.1, for each run with black holes (solid dark green circles) and for the NoAGN run (empty light green circles), compared to observed
values (open black circles) from Gilli et al. (2022) and a measurement from J0100+2802 from Tripodi et al. (2023) (open circle surrounded by black square).
The Reference run has a dust mass close to the observed value of J0100+2802, in addition to having a consistent black hole mass and luminosity. Fifth row:
Distribution of apparent UV magnitudes at 1450Å, along ∼10, 000 sightlines from the black hole, see Section 2.4.1. For 𝑧 . 6.3 the Reference run is brighter
than fable due to earlier and more effective feedback. Bottom row: Probability of observing the quasar along a given sightline with three upcoming wide-field
instruments. The quasar in the Reference run has a significantly higher chance of being observed, especially for 𝑧 . 6.3, due to more effective feedback reducing
obscuration compared to fable.

MNRAS 000, 1–21 (2023)



The growth and impact of gargantuan black holes 9

massive haloes for black holes to accrete at such large rates. This
seems an essential prerequisite to grow large black holes at 𝑧 = 6
in such simulations with the seeding prescription we have. There is
a significant scatter in the observational data points, and we note
that both simulations have a rapid and significant variation in 𝑓Edd
over time, meaning such measurements cannot easily discriminate
between different models. Below 𝑧 = 6.5, quasar feedback begins
to have more of an effect. In both runs, the average accretion rate
drops below the Eddington rate, though we note the drops are more
pronounced in the Reference run.
In the second row of Fig. 2, we show the bolometric luminosity

of the black holes. The bolometric luminosity is calculated using
Equation (3), so we note that the Eddington rate cap is also present in
these panels. In the fable run we see that while there is a significant
variation over time, the luminosity gradually increases as the black
hole grows, with the average reaching a peak of 1047 erg s−1 by the
end of the simulation. fable is consistent with many quasars with
moderate luminosities, however the produced black hole luminosities
are dramatically below a number of observed high-redshift quasars.
Switching to the Reference run we see a different picture, as the

earlier growth of the black hole and increased Eddington limit lead
to significantly higher luminosities than in fable. The average lumi-
nosity is consistent with the brightest quasars at higher redshifts, and
shows how a 109M� black hole at 𝑧 ∼ 7.5 can grow to be 1010M�
by 𝑧 = 6. We note that in the entire redshift range plotted for the
Reference run, the luminosity rarely drops below 1046 erg s−1, is on
average above 1047 erg s−1 and actually spends a significant fraction
of its life at 1048 erg s−1.
No other quasars with 𝐿bol ≥ 1048 erg s−1 have yet been observed,

which could be due to several reasons. Firstly, large enough haloes are
very rare at high-redshift, so a larger survey volume may be needed
- the Vera Rubin Observatory, Roman, and Euclid may probe the ex-
istence of such rare and bright objects. Moreover, the bright quasars
we see may be the tip of the proverbial iceberg of high-redshift su-
permassive black holes. With future surveys that can observe quasars
pushing both to 𝑧 & 7.5 and lower luminosities, 𝐿bol . 1046 erg s−1
– a revolution already underway with JWST – we will be able to gain
unique constraints both on the rarity of high-redshift quasars (i.e.
their halo occupation fraction), and on the assembly history of these
ultramassive black holes, where it may be possible to more robustly
disentangle growth contributions from gas accretion and black hole
mergers. Furthermore, it is worthmentioning that the quasar variabil-
ity may be larger than found in our simulations and that non-isotropic
quasar emission may further complicate this picture, with very bright
quasars then preferentially observed ‘down-the-barrel’.
Additionally, the growth of such a massive black hole might be

obscured, despite the incredibly high bolometric luminosity. In the
third row of Fig. 2 we show the evolution of the distribution of
𝑁H column densities at a distance of 5 kpc for ∼ 10, 000 sightlines
around the black hole (see Section 2.4.1). Solid squares and violin
plots show the median and distribution of column densities for the
fable (left) and Reference (right) runs. In both left- and right-hand
panels, open squares show themedian columndensity for theNoAGN
run. The first thing to note is that the NoAGN run has significantly
higher median column densities than the fable run below 𝑧 ∼ 7,
and higher than the Reference run for almost all redshifts shown. In
fact, the NoAGN run straddles the horizontal dotted line showing a
Compton thick column density throughout the simulation. The lower
𝑁H columns in the runs with black holes are a clear indicator of AGN
feedback in these models, with the breadth of the distribution also
widening as gas is ejected from the central galaxy. In the Reference
run, the median column density fairly consistently decreases over

time from 𝑧 ∼ 7, as repeated feedback episodes have a cumulative
effect.
The qualitative trends we see in 𝑁H column density evolution are

similar to that seen by Vito et al. (2022), who also find a broader
distribution of column densities and lower median when their AGN
feedback kicks in, particularly in runs utilising biconical outflows.
Interestingly, we note that in both fable and the Reference run,
feedback energy is injected isotropically, which Vito et al. (2022)
find hinders their black hole growth and diminishes the impact of
feedback. This implies that more anisotropic injection of feedback
energy could help black holes grow faster in the early Universe. Ni
et al. (2020) also find that AGN feedback broadens the distribution
of column densities around quasars in BlueTides. In some cases
this can lead to significantly lower column densities than in our
simulations, though we note this could be because they are looking at
smaller haloes than ours, which have shallower gravitational potential
wells.
The fourth row of Fig. 2 shows the estimated total dust mass

within 1.5 kpc, assuming a 15 per cent dust-to-metal fraction (like in
DiMascia et al. 2021; Vito et al. 2022), with the runs with black holes
shown as solid circles and the NoAGN run shown as empty circles.
The 1.5 kpc radius was chosen to match the largest measured dust
radius in the sample of Gilli et al. (2022), and we compare our results
to their measurements (open, black circles). The dust masses in the
runs with and without black holes are similar at the highest redshifts
considered, with differences appearing when feedback kicks in after
𝑧 = 7 in the fable run, and after 𝑧 = 7.5 in the Reference run. The
dust masses then decrease by nearly an order of magnitude by 𝑧 = 6,
while the mass in the NoAGN decreases slowly by a much smaller
amount. This corresponds well to the decrease in hydrogen column
density seen in the panel above, as metals are ejected from the host
galaxy. Dust will additionally be destroyed by feedback episodes,
however we only follow this in a simple manner, by considering only
the ‘cold’ metal mass as described in Section 2.4.1. Compared to
the observational data, we find both the NoAGN and fable runs
can match the amount of dust in a number of observed quasar host
galaxies.
In contrast, the Reference run - which has a larger black hole mass

than most of the sample of Gilli et al. (2022) - has considerably lower
dust masses than the NoAGN and fable runs. In fact, the observed
data point surrounded by a square shows a measurements of the dust
mass of the host galaxy of J0100+2802, the brightest high-redshift
quasar. This recent measurement used observations in Band 9 of
ALMA to estimate 𝑇dust = 48.4±2.3K and the emissivity index 𝛽 =

2.63±0.23, leading to an inferred dust mass of 2.29±0.83×107M�
(Tripodi et al. 2023). Both our host galaxy’s SFR (see Section 3.3)
and dust mass at 𝑧 = 6.3 in the Reference run reasonably match the
observational estimates from Tripodi et al. (2023), though we note
as their dust continuum emission is unresolved there is uncertainty
on which spatial scale to consider the dust mass in the simulation.
While we have successfully grown a 1010M� black hole in our

simulated halo, it could well have had a significantly different evo-
lution history to the host of J0100+2802. The aim of this paper was
not to produce an exact analogue of J0100+2802, so it is interest-
ing we can approximately reproduce the observed properties of the
host (albeit with caveats on our dust mass estimates, discussed in
Section 2.4.1). In Fig. 2, we can see that AGN feedback can reduce
the estimated dust mass in the quasar host, in both the fable and
Reference runs, rapidly. In particular, in the Reference run (right
panel), between 𝑧 = 6.1 and the end of the simulation at 𝑧 = 5.75, the
dust mass drops by an order of magnitude in considerably less than
100Myr – black hole feedback can rapidly eject and destroy dust.
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Figure 3. Mollweide projection maps of the central 5 kpc of the central galaxy at 𝑧 = 6.1 in the NoAGN (left), fable (centre) and Reference (right) runs. We
show the hydrogen column density (top) and UV optical depth 𝜏UV (bottom), both of which are calculated along the ∼10, 000 rays described in Section 2.4.1.
The increase in the strength of feedback can clearly be seen going from left to right, with more low-density channels in the surrounding gas.

In the fifth row of Fig. 2 we show the distribution of UV apparent
magnitudes (rest-frame 1450Å) along the same sightlines as the col-
umn densities (see Section 2.4.1 for full details of this calculation).
We note that these distributions are very broad and extend far beyond
what is, or will be, feasible with observations. The median magni-
tude of the quasar varies significantly over time as the halo undergoes
mergers and feedback events. Throughout, though, the median in the
Reference run tends to be below that of the fable run, due to earlier,
more powerful feedback. The impact of feedback in the Reference is
particularly noticeable, after 𝑧 ∼ 6.3, where the median magnitude
becomes consistently lower due to the clearing effect of the quasar.
We note that this shows obscuration in the UV, corresponding

to high UV optical depths (see Fig. 3). While the dust opacity in
the infrared are ∼ 100 times smaller than in the UV, this will still
lead to a large number of sightlines with infrared optical depths
𝜏IR � 1, suggesting infrared radiation pressure on dust is likely to
be an important mechanism of feedback (see Costa et al. 2018, for an
investigation of this process). We further note that when observing
objects at such redshifts, the bandpass of X-ray observatories such
as AXIS or Lynx (see Section 3.5.3) will allow for the detection
of harder X-ray photons, which are considerably less impacted by
obscuration (though it is worth pointing out that these instruments
are not designed to survey large areas of sky).
This change in apparent magnitudes can be translated into a prob-

ability of being observed - taking the number of sightlines with a
magnitude exceeding the threshold value of a particular survey di-
vided by the total number of sightlines. Note that this is a chance

of one object being observed at different orientations, not a state-
ment on the observability of a population of quasars. A rest-frame
wavelength of 1450Å at 𝑧 = 6 translates into a y-band observation
of the Vera Rubin Observatory (VRO, Ivezić et al. 2019) and Euclid
(Euclid Collaboration et al. 2022), or the F106 filter of the Nancy
Grace Roman Space Telescope (Spergel et al. 2015). Taking the lim-
itingmagnitudes for point sources with these telescopes, we calculate
the probability that the simulated object would be observed at each
redshift. At higher redshifts the filter that the rest-frame UV would
fall into will change, for example the VRO will lose sensitivity to
a rest-frame wavelength of 1450Å at around 𝑧 ∼ 6.24. However we
note that the limiting magnitudes for the bands of Euclid and Roman,
within the redshift range on this plot, are similar.
We show the calculated probabilities of observing the quasars in

the bottom panel of Fig. 2 for the full 10-year Legacy Survey of Space
and Time (LSST) with the VRO (limiting y-bandmagnitude of 24.9),
the Euclid Deep survey (1𝜎 limiting y-band magnitude of 26.0), and
with one hour of integrationwithRoman (limitingmagnitude of F106
filter in 1 hour is 28.1). The fable quasar remains very obscured until
after 𝑧 ∼ 7, after which enough metals are cleared by feedback to
allow the quasar to become visible along some sightlines. After this,
the probabilities vary over time as inflows and outflows compete,
but generally hover around 30-40 per cent. The broad distribution
of UV magnitudes and probability of observing the quasar is also
in qualitative agreement with Vito et al. (2022), who find that only
the 50 per cent of their sightlines that were least extincted showed
magnitudes consistent with high-redshift quasar observations.
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For the Reference run there is a considerably higher chance of
observing the quasar throughout, due to earlier growth and feedback.
In the Reference run, the quasar becomes less obscured over time
due to the cumulative impact of feedback, with a probability of
∼ 50 per cent by 𝑧 = 6. In the wake of mergers (e.g. around 𝑧 ∼
7.1) the difference between the runs narrows and both become more
obscured. We note that evidence from recent JWST observations
and simulations with on-the-fly radiative transfer suggest bursty star
formation after a merger can lead to the clearing of neutral gas that
can allow Ly𝛼 photons to escape (Witten et al. 2023).
The shape of the evolution of probabilities is largely similar be-

tween the different surveys shown (at least for when a rest-frame
wavelength of 1450Å is detectable by the VRO), however it is im-
portant to mention that the Roman limiting magnitude used here is
for only 1 hour of observations. With deep, co-added stacks, the
magnitude could be pushed further, to ∼ 29 mag (e.g. Rose et al.
2021).
It is also worth noting that we performed the same calculation with

the NoAGN run, even assuming a constant bolometric luminosity of
1048 erg s−1 at every redshift, and the probability of observation with
any survey remained zero. This strongly implies that feedback from
the quasar is required for us to observe such quasars at all in the rest-
frame UV (which has been found with different codes and physical
models, e.g. Costa et al. 2018, 2022). These results also tally well
with short inferred quasar lifetimes from observations of proximity
zones, which require significant amounts of obscured accretion at
high redshift (e.g. Eilers et al. 2017; Satyavolu et al. 2023).
Our results about the obscuration of the central quasar are addi-

tionally illustrated in Fig. 3, which shows maps of gas properties at
𝑧 = 6.1 along the same rays we previously used. These maps have
been rotated to approximately line up with the angular momentum
vector of the central 2 kpc of the galaxy, though we note the differ-
ent runs do not exactly line up with each other due to different gas
kinematics.
The top row of panels shows hydrogen column density maps.

While all three runs have a central disc structure of gas around the
galaxy centre, the densities of that disc are drastically different in
each run. The NoAGN run has very high column densities, almost
always in excess of 1024 cm−2, surrounding the halo centre. The
feedback of the fable run is sufficient to expel much of this gas,
with only the galaxy disc retaining such high column densities. Here,
column densities along the minor axis of the galaxy are reduced to
∼1022 cm−2. In the Reference run this trend continues, with feedback
ejecting significant amounts of gas along theminor axis of the galaxy.
This reduces column densities in all directions, with the exception of
the very centre of the disc, by approximately an order of magnitude
over the fable run.
In the second row of Fig. 3 we can see how a reduction in column

density leads to a change in the probability of observing the quasar
as we show maps of UV optical depth, 𝜏UV. The optical depth of the
NoAGN run is >100 along all sightlines and so remains completely
obscured in the rest-frame UV. The fable and Reference runs still
have many obscured lines of sight through the galactic disc, but with
increasing numbers of ‘holes’ (where 𝜏UV → 0) as AGN feedback
becomesmore powerful.We note that many sightlines have very high
UV optical depths, 𝜏UV > 104, implying such a quasar could even
be obscured in the infrared too.

3.3 Impact on star formation

The feedback required to clear the surroundings of such a massive
and bright AGN could potentially have a significant impact on the

Figure 4. Top: Star formation rate as a function of redshift for all simulations.
Note that the AGN feedback in the fiducial fablemodel has a negligible effect
on star formation until much later than the Reference run. Observational data
points are shown as open circles, from the sources cited in Section 3.1, with
errors where available. As a reminder, most of these black holes have inferred
masses in excess of 2× 109M� , with the exception of a few sources at 𝑧 > 7.
The black squares highlight data from J0100+2802, the largest observed high-
redshift quasar, with the higher SFR coming from Kim & Im (2019) and the
lower SFR coming from ALMA dust measurements (Eilers et al. 2022). The
Reference run has a SFR consistent with the accurate ALMA-based SFR of
J0100+2802. Middle: Evolution of the stellar metallicity of the quasar host
galaxy, calculated as the mass-weighted average metallicity of all stars within
twice the stellar half-mass radius. The Reference run has considerably lower
stellar metallicity in the central galaxy, due to both the lower stellar mass and
expulsion of metal-rich gas. Bottom: Evolution of the galaxy gas metallicity,
again calculated as the mass-weighted average metallicity of all gas cells
within twice the stellar half-mass radius. Similarly to the middle row, the
Reference run has a lower average gas metallicity than the NoAGN or fable
runs from 𝑧 = 7.5 onwards.

growth of the host galaxy itself. The top panel of Fig. 4 shows the
star formation rate (SFR) of the central galaxy in the largest halo as
a function of redshift. Observational data points, from Kim & Im
(2019) and Marshall et al. (2023), are shown as open circles and
golden hexagons, respectively. We also show a recent measurement
of the SFR of J0100+2802 using ALMA dust measurements with a
triangle (Tripodi et al. 2023).
The three runs are largely consistent until just after 𝑧 = 8, when

feedback in the Reference run causes a drop in SFR. The fable
run continues to track the NoAGN run until around 𝑧 = 6.5, when
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Figure 5. Ratios of stellar mass to (expected) baryonic mass as a function
of halo mass for the three runs in this work, showing their evolution in this
parameter space. The values for each run at 𝑧 = 9, 8, 7 and 6 are shown
by the star, triangle, square and circle symbols, respectively. We also show
the median ratio of this quantity at 𝑧 = 6 (though note this is for Planck
cosmology), from Behroozi et al. (2013). The Reference run is clearly more
effective at regulating star formation compared to fable or a run without
black holes.

its black hole grows large enough to affect star formation too. At
𝑧 = 6, the SFR of both runs with black holes is two orders of
magnitude below theNoAGN run. The observed SFRvalues typically
sit below the NoAGN run, suggesting some amount of AGN feedback
is needed to match them. The lowest estimated SFR comes from
JWST (Marshall et al. 2023), which lies considerably below any of
the simulations at its redshift of 6.8. However, this discrepancy could
be, at least in part, due to the growth history of the halo. An important
thing to note is that when the AGN kicks in, in both the fable and
Reference runs, the SFR can be lowered by an order of magnitude
within a short timescale (<100Myr). This is similar to the dramatic
drop in estimated dust mass seen in Fig. 2. A wide range of observed
SFRs could therefore be observed, depending on the growth history
of the halo and its primary black hole. The SFR estimates for the host
of J0100+2802 (data points surrounded by squares in Fig. 4), from
both Kim & Im (2019) and Tripodi et al. (2023), are in reasonable
agreement with the Reference run, similarly to the estimated dust
mass.
In the middle panel of Fig. 4, we show how this change in the feed-

back and star formation history can affect the properties of the stellar
component by looking at the mass-weighted average metallicity of
the central galaxy (within two times the stellar half-mass radius). We
can see that despite the fable halo hosting a 109M� black hole by
𝑧 = 6, there is little change in the average stellar metallicity of the
central galaxy. In contrast, the Reference run shows a factor of two
decrease in the average stellar metallicity in the galaxy by 𝑧 = 6. This
difference seems to appear after about 𝑧 = 9, when the Reference run
black hole reaches around 108M� . This effect arises due to the lower
stellar mass, and hence lower metal production, of the host galaxy by
𝑧 = 6 (see Table 2). Looking at the bottom panel of Fig. 4 we can see
additional signs of this, with lower gas-phase metallicity in the Refer-
ence run from 𝑧 = 7.5 onward, due to both lower initial production of
metals and their subsequent ejection from the galaxy. Measurements
of the gas and stellar metallicity in high-redshift quasar hosts, for
example with JWST, could therefore be an interesting and useful test
for such models of feedback.
We look in more detail at how these changes in stellar mass affect

Figure 6. Stellar surface density radial profile of the quasar host galaxy at
𝑧 = 6, in the NoAGN (dotted), fable (dashed), and Reference (solid) runs.
Vertical lines using the same line styles show the stellar half-mass radius
for each of the three runs (see Table 2). The distribution of stars changes
significantly with feedback, with an increased black hole mass correlating
with a lower central density and broader stellar distribution.

the stellar-to-halo mass relation in Fig. 5. We show the evolution
of this quantity as a function of halo mass for all of our runs, with
star, triangle, square and circle symbols indicating 𝑧 = 9, 8, 7 and 6,
respectively. For reference, we also show the median 𝑧 = 6 ratio of
stellar mass to baryonic mass from Behroozi et al. (2013), though
we note this assumes Planck cosmology rather then the olderWMAP
cosmology assumed for our simulated halo. In addition, the very
massive halo we are considering in this work is higher than the upper
end of this median, so this comparison needs to be taken with a grain
of salt.
Nevertheless, the 𝑧 = 6 stellar masses of the NoAGN and fable

runs are clearly well above the expected value of this ratio. This
implies that not only do we require AGN feedback to reduce the rate
of star formation early on in the Universe for very massive haloes,
but also that the fiducial fable model is insufficient to do so. This is
despite fable better matching (or even overquenching) the SFR of
galaxy clusters at low redshift, suggesting the redshift evolution of
AGN feedback is incorrect in fable (and in the original Illustris, on
which fable is based). At low redshift, there is also a good match
in stellar mass fraction between fable and observed haloes (i.e.
Henden et al. 2018; Kravtsov et al. 2018), the implication therefore
being that the evolution of the stellar mass fraction is also not correct
in fable. We note, that future accurate observational estimates of
stellar masses of such bright quasars host will provide important
constraints on theoretical models of AGN feedback.
By 𝑧 = 6, the stellar mass fraction of the Reference run is at ∼15

per cent, much lower than the∼25−30 per cent in the NoAGN/fable
runs. This is closer to, however still notably above, the (extrapolated)
median 𝑧 = 6 fraction from Behroozi et al. (2013), though we note
such a large overdensity as the one we follow may already lie off of
such a relation, regardless of feedback.

3.4 Galaxy structure

While we have already discussed how the total stellar mass is reduced
when black holes can grow and provide feedback earlier, we also
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Figure 7.Maps of the gaseous halo around the quasar at 𝑧 = 6 showing, from top to bottom, surface density, radial velocity, and metallicity. From left to right
the columns show the NoAGN, fable, and Reference runs. Dashed circles show the virial radius in each panel. The AGN in the fable run has little impact on
the CGM by 𝑧 = 6, whereas the feedback in the Reference run expels significant amounts of gas at high velocities deep into the CGM.

find that the different models of AGN feedback can also lead to
a different stellar structure of the host galaxy. We investigate this
in Fig. 6, in which we show radial profiles of the stellar surface
density for the central galaxy at 𝑧 = 6 for the NoAGN (dotted),
fable (dashed), and Reference (solid) runs. The NoAGN has the
most centrally concentrated stellar density profile, reaching a peak of
∼1012M� kpc−2 at a scale of 0.1 kpc. In the fable run, which does
affect star formation significantly but only at later times closer to
𝑧 = 6, we see the central stellar density profile is flatter, reflecting the
reduction in star formation on sub-kpc scales. Outside of ∼ 0.6 kpc,
the shape of the stellar density profiles in the NoAGN and fable runs
are very similar.

Looking at the stellar density profile of the Reference run in Fig. 6,
we see some notable differences.While the profile is flat in the galaxy
centre, similarly to the fablemodel, the central density is decreased
further due to powerful AGN-driven winds driving star forming gas

out of the innermost regions. More interestingly, on larger scales
(𝑟 > 1 kpc), we find an enhancement in stellar densities relative to
the NoAGN and fable runs. The strong, early black hole feedback
present in the Reference run seems to broaden the stellar distribution
of the halo, as well as lower central densities, which could both be
interesting probes using future observations of quasar hosts from
JWST. A similar effect occurs in the simulations of van der Vlugt
& Costa (2019), which is shown to be caused by fluctuations in the
gravitational potential caused by bursty AGN feedback.

3.5 Impact on the gaseous halo

We visually inspect the impact of AGN feedback on the CGM prop-
erties of our different runs at 𝑧 = 6 in this section by presenting maps
of a number of quantities.
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3.5.1 Basic properties

Firstly, in Fig. 7 we show, from top to bottom, gas surface density,
radial velocity and metallicity. It is evident from the left-hand and
central columns that the NoAGN and fable runs are very similar in
the metrics we have plotted, again pointing to the ineffectiveness of
the fiducial fable model to impact this halo at such high redshift.
In the very centre of the halo there are some initial signs of higher
metallicities and outflow velocities as the fable feedback has kicked
in recently, but most of the CGM is completely unaffected. We can
see many cold, dense filaments delivering gas to the centre of the
halo, fuelling the galaxy’s continuing high star formation rate. This
is the feeding mechanism for supermassive black holes suggested
by a number of other works (e.g. Di Matteo et al. 2012; Dubois
et al. 2012; Feng et al. 2014; Smidt et al. 2018). Because of the
likely overproduction of stars in these runs, we still see strongly
outflowing supernovae-driven winds expelling high-metallicity gas
from the central galaxy into the CGM.
In the Reference run (right-hand column), we see a significant

difference. Some of the dense, inflowing filamentary structures have
been disrupted, as shown in the top panel. The significant difference
in densities with fable however lies in the more diffuse component,
which is much more widespread due to its ejection from the centre
of the halo. This has the additional effect of ejecting cool, dense
clumps as well, seen most clearly at angles away from the cosmic
filament the halo is embedded in. This has interesting consequences
for observations of such gas in Hi and Ly𝛼, discussed later.
The earlier growth of the black hole in the Reference run, and

subsequent feedback episodes, drive strong outflows (seen in the
middle row), of up to 1000 km s−1, that are much faster than in
the fable run. This pushes metals out to well beyond 𝑅vir, in a
less spherical manner than in the NoAGN/fable runs. The overall
metallicity of the CGM is higher in the Reference run, despite a
smaller stellar mass of the central galaxy, where the majority of
metals are produced. The amount of metals (and detailed metallicity
composition) in the high-redshift CGMcould therefore potentially be
a valuable diagnostic of the growth history of the halo and its black
hole. The detection of large patches of metal-enriched gas (with
& 0.1 Z�) found at significant distances from high-redshift quasars
would lend support to the idea of early enrichment and feedback by
such a “gargantuan” black hole.
We now look in more detail at the observable properties of the

gaseous halo, starting with Hi column densities in the top row of
Fig. 8. In these maps, the impact that the fable run begins to have
by 𝑧 = 6 is more obvious, as it has a broader area covered by high
Hi column densities. The white contours in these panels show the
boundary of Damped Ly𝛼 systems (DLAs, 𝑁Hi = 1020.3 cm−2). We
see therefore how the feedback in the fable run broadens the extent
of the central DLA. In the Reference run the central DLA is also
broader than in the NoAGN run, though we note that the Hi column
density distribution is much clumpier in this run. Outside of the main
DLA, we see there are a significant number of smaller blobs of gas
at DLA column densities which are not present in the NoAGN and
fable runs. The contours also show how inflowing filaments, which
are clear, coherent structures in the NoAGN and fable runs, become
broader and more disturbed.
In the bottom row of Fig. 8 we show maps of collisional Ly𝛼

surface brightness, calculated using the method described in Section
2.4.3. As a reminder, full radiative transfer and photoionisation cal-
culations are beyond the scope of this paper and can be investigated
in future work, but in this work we can still investigate the impact of
different AGNmodels on the Ly𝛼 distribution while making the sim-

plistic assumption of collisional excitation. We note, therefore, that
a full treatment of recombination and dust absorption would affect
the absolute brightness of Ly𝛼 haloes, which should be treated with
caution. However, we can probe the relative changes between runs,
which can tell us how feedback can affect such observables.
The total luminosity of the Ly𝛼 halo changes between the different

feedback runs; the total luminosities in the maps of Fig. 8 are 7.64×
1043, 7.90×1043, and 1.19×1044 erg s−1 for the NoAGN, fable, and
Reference runs, respectively. Thus the impact of strong, early AGN
feedback is to increase the luminosity of the Ly𝛼 halo by ∼ 50 per
cent over a run without any AGN feedback. Looking at the maps, the
NoAGN and fable runs again appear largely similar, with the recent
feedback in fable not sufficient enough to change the collisional
Ly𝛼 emission outside of the very centre of the halo. In the Reference
run however there is a significant difference, with much brighter
Ly𝛼 emission in the centre of the halo. Further out in the CGM, we
see additional clumps that are bright in Ly𝛼, corresponding to the
regions of high Hi column density. In the radial velocity maps in
the central row of Fig. 7, we can see that these clumps are visible
and are outflowing, albeit at a lower velocity than the surrounding
low-density gas. This highlights the importance of strong, and early,
black hole feedback in distributing multiphase gas in the CGM of
these quasars. Detection of separate Ly𝛼 clumps outside the central
galaxy could therefore be a signature of such violent and early ejective
feedback.

3.5.2 The SZ effect

To further investigate the ejective nature of feedback from ultramas-
sive black holes, and make predictions for upcoming observational
experiments, we turn to maps of the SZ effect in Fig. 9. In the top
row of panels we show the Compton-𝑦 parameter of the thermal SZ
effect, and we note how in NoAGN run (left), the signal is very bright
and centrally concentrated. In the fable run (centre), we can start
to see how AGN feedback ejects gas from the very centre of the
halo, leading to a reduction in signal strength. Outside of the central
10s of kpc however, the signal is largely unchanged. In contrast, the
Reference run shows significant differences, out to and even beyond
the virial radius. The central signal is much lower in this run, as the
powerful, early feedback ejects significant amounts of gas out into
the CGM and this effect wins over the halo gas heating by the quasar
feedback. The signatures of past feedback episodes are visible as
discontinuities in the signal - shocks - that would be telltale signs of
redistributive AGN feedback if they could be detected (though this
would require very high angular resolution).
In the middle row we show the strength of the kinetic SZ signal,

which in principle is a powerful probe of the kinematics of the hot
halo. Again, there is little obvious difference between the NoAGN
and fable runs, with only a slight change in the kinematics in the
centre of the halo due to recent feedback episodes. Differences in the
Reference run are harder to see visually than in the thermal SZ maps,
though we note that the extent of the hot halo has increased with
earlier feedback driving strong outflows. The strength of the signal
is also somewhat stronger inside the halo due to faster outflows, as
shown in Fig. 7.
In the bottom panel, we show the combined SZ signal in the form

of a decrement - the difference in energy on top of the near-uniform
cosmic microwave background. Note that we have chosen to show
the decrement as positive. These maps have also been smoothed
with a Gaussian filter on a scale of 1 arcsecond, to mimic the kind of
angular resolution that is achievablewithmodern interferometers like
ALMA. The three runs are significantly different in the centre of the
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Figure 8. Maps of Hi column densities (top) and collisional Ly𝛼 surface brightness (bottom) around the quasar at 𝑧 = 6. From left to right the columns show
the NoAGN, fable, and Reference runs. Dashed circles show the virial radius in each panel. In the top panel, white contours show the boundary of 1020.3 cm−2,
the threshold for a Damped Ly𝛼 system (DLA). The total Ly𝛼 luminosity (from collisional ionisation only) for each run is 7.64 × 1043, 7.90 × 1043, and
1.19×1044 erg s−1 for the NoAGN, fable and Reference runs, respectively. The small impact of the fable feedback is more visible than in Fig. 7, with a broader
Hi distribution, though the AGN feedback in the Reference run is more powerful and so ejects gas clumps to large distances from the central galaxy.

haloes. The strongest signal would come from a model without AGN
feedback at all (left), which peaks at a strength of ∼ 1` Jy arcsec−2.
The feedback in fable starts to have an impact, lowering the central
pressure of the halo by expelling gas, and so leading to a weaker
signal. In the Reference run this trend continues and becomes more
dramatic, with a significantly lower signal strength in the halo centre.
The signal is stronger at larger radii in the Reference run due to the
redistribution of gas. SZ observations of high-redshift quasars, and
especially those hosting ultramassive black holes like J0100+2802,
could therefore be a key test of the presence and power of ejective
black hole feedback in the early Universe and should be pursued,
both with current instruments like ALMA (for recent efforts see e.g.
Brownson et al. 2019; Jones et al. 2023), and future SZ surveys, such
as CMB-HD.

3.5.3 X-ray emission

A similar story emerges when looking at mock X-ray observations,
which we show in Fig. 10. We note that all of the images in this fig-
ure assume a perfect removal of the X-ray emission from the quasar
itself. The central, bright spot in the centre of many of these images
is instead hot, dense gas, heated by a combination of gravitational
heating and feedback (though as a reminder, we remove the central
kpc of gas when making mock observations, as this is particularly
sensitive to recent bursts of feedback, see Section 2.4.5). For indica-
tive purposes, in the bottom three rows we show a smaller white

circle in the centre of each image which indicates the expected point
spread function (PSF) of each instrument.
In the top row, we show maps at the simulation resolution where

we make the Bremsstrahlung approximation (see Section 2.4.5). We
can see a progression in central X-ray brightness, from the NoAGN
run on the left, through the fable run which has some redistribution
of gas, to the Reference run which has a significantly different surface
brightness profile. The ejected gas in the Reference run significantly
raises the X-ray luminosity at large radii, out to and beyond the virial
radius, at the expense of the reduced brightness at intermediate radii.
In the second, third and fourth rows of Fig. 10 we showmock 1Ms

observations (for the method, see Section 2.4.5), using the upcoming
and proposed telescopes ATHENA, AXIS and Lynx, respectively. We
note that a full analysis of this data would involve binning the data
into a surface brightness profile, however for simplicity we just show
the mock images.
With ATHENA (second row), the centre of the halo of this galaxy

would be bright enough to be detected in all three runs, however the
coarse angular resolution of ATHENA (expected PSF of 5" at time of
writing) means it would be very difficult to disentangle such emis-
sion from the light of the quasar itself. With the proposed AXIS probe
(third row), extended emission could be detectable in the NoAGN
and fable runs with a 1Ms exposure, though it would be hard to dis-
tinguish between them. The lower central densities of the Reference
run would make it extremely difficult to pick out extended emission
from the background noise with data from AXIS.
The only proposed telescope that could confidently detect the X-
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Figure 9. SZ maps at 𝑧 = 6 of, from top to bottom, Compton-𝑦 parameter from the thermal SZ effect, 𝑤 parameter from the kinetic SZ effect, and the combined
SZ decrement. The latter has been smoothed on a scale of 1 arcsecond, to mimic the beam of an instrument like ALMA. From left to right the columns show
the NoAGN, fable, and Reference runs. Dashed circles show the virial radius in each panel. The redistribution of central gas in the Reference run is shown very
clearly in the tSZ and combined SZ signals, with obviously lower central pressures and a broader signal.

ray emission from the gaseous halo itself, even in the Reference
run, is Lynx. In the bottom row we can see how the NoAGN and
fable runswould themselves have differentmorphology, with amore
extended, diffuse component visible in the middle panel outside of
the hot, dense centre.While the total X-ray brightness in the extended
hot halo of the Reference run is significantly lower due to reduced
central densities, a long exposure from Lynx could still detect this
and distinguish it from the PSF of the quasar itself.

Despite only Lynx being able to detect the gaseous halo in the
Reference run, observations from any of the upcoming or proposed
X-ray telescopes could provide interesting constraints on the amount
of ejective feedback that could have taken place in high-redshift
quasars. And while spatially resolving quasar host haloes is beyond
the capabilities of other imminent and proposed future X-ray probes
like XRISM and LEM, their high spectral resolution could also allow

a detailed study of the quasar surroundings using the light of the
quasar itself.

4 DISCUSSION

4.1 Caveats of our modelling

There are a number of caveats to work investigating high-redshift
quasars, both in our work and across other simulations, that are
worth discussing.
Firstly, the seeding of initial black holes in our models (and most

cosmological simulations) is very simplistic. The 105 ℎ−1M� seed
mass used in this work is on the larger end of theoretical seed masses,
and would originate from a direct collapse black hole (DCBH). With
the changes made to the Reference run, a 105 ℎ−1M� black hole is
seeded at 𝑧 ∼ 18. DCBHs of 106M� are potentially possible, which
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Figure 10. X-ray maps at 𝑧 = 6 showing, from top to bottom, X-ray emission using a simple Bremsstrahlung approximation, and mock 1Ms exposures with
ATHENA, AXIS and Lynx. From left to right the columns show the NoAGN, fable, and Reference runs. Dashed circles show the virial radius in each panel, and
smaller white circles in the centre of the image represent the planned point spread function of each X-ray telescope. The NoAGN and fable runs have a bright
X-ray emitting gaseous halo, which is shrunk significantly in the Reference run due to lower central densities. Only Lynx would be able to detect the gaseous
halo in the Reference run, though any X-ray measurements could potentially place constraints on the impact of AGN feedback.
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could go some way to explaining the early growth of high-redshift
quasars. Smaller, stellar mass seeds that form sufficiently early might
be able grow to become ∼105M� by the seed time of the Reference
run (𝑧 ∼ 18), however these may suffer from low initial growth due to
being in small haloes (see e.g. Inayoshi et al. 2020). Clues to the early
formation of black holes that go on to become high-redshift quasars
will be unravelled with the upcoming gravitational wave observatory
LISA, which will be able to detect mergers between intermediate
mass black holes out to extremely high-redshift. We will therefore
be able to investigate how important black holes mergers are in this
early growth phase, which will then allow us to constrain the seeds
of high-redshift quasars. Before LISA becomes operational, crucial
clues into the demographics of black holes seeds may come from
JWST observations.
The second caveat to modelling black hole growth in cosmological

simulations is that of accretion. We, like many other simulations,
use a Bondi-based accretion model. This model assumes spherically
symmetric accretion onto a compact object, which may not be the
case for many (most) black holes (especially at high redshift where
galactic accretion tends to be preferentially along filaments, though
this ultimately depends sensitively on the gas morphology on small
scale close to the accretion disc). To try and account for the unresolved
nature of black hole accretion, a boost factor𝛼 is commonly employed
to artificially increase the accretion rate (𝛼 = 100 in Illustris and
fable). However there is considerable uncertainty in the validity
of the Bondi model, and alternative models have been proposed
that could change the early growth of black holes (such as torque-
based accretion or alpha disc models, e.g. Hopkins & Quataert 2011;
Fiacconi et al. 2018; Davé et al. 2019; Anglés-Alcázar et al. 2021;
Talbot et al. 2021). A further caveat to the accretion model in this
work comes from limiting the accretion rate to (a factor of) the
Eddington rate. In the Reference run we relax the assumption of
Eddington-limited accretion, by a factor of two, and find it helps
to increase the final black hole mass. This agrees with the findings
of Zhu et al. (2022), who further investigate Eddington limits of
5 and 104 and find the opposite effect due to increased feedback
energy (though black holes can still effectively grow if feedback is
further weakened, see e.g. Massonneau et al. 2023). In reality, tighter
observational constraints on the accretion rates and masses of black
holes will be needed to test our models of accretion at high redshift,
and what we present in this work is just one potential pathway to
growing a ‘gargantuan’ black hole in the early Universe.

5 CONCLUSIONS

Hundreds of quasars have now been detected at 𝑧 & 6, with many of
them even at 𝑧 & 7 (e.g. Mortlock et al. 2011; Bañados et al. 2018;
Yang et al. 2020; Wang et al. 2021). Among these, the record holder
in terms of the inferred black hole mass is J0100+2802, at a hefty
1.24 × 1010M� at 𝑧 = 6.30 (Wu et al. 2015).
To study the impact of such ‘gargantuan’ black holes on their

surroundings, we have performed three zoom-in simulations of the
largest halo in the 500 ℎ−1MpcMillennium simulation box (Springel
et al. 2005b) to investigate the early growth of supermassive black
holes and, importantly, their impact on their surroundings. In doing
so, we aimed to reproduce black holes with masses approaching the
largest known high-redshift quasars, as this extreme mass regime has
been largely unexplored with cosmological simulations of structure
formation (for one recent attempt, see Zhu et al. 2022). This stems
from the difficulty in growing such massive black holes in less than
a billion years of cosmic time even when starting from very mas-

sive seeds (Sĳacki et al. 2009; Di Matteo et al. 2012; Costa et al.
2014). We expect, however, based on their extreme luminosities of
∼ 1048 erg s−1, that these objects may have a profound impact on
their host galaxy and halo.
We have shown how the fiducial fable model is unable to gen-

erate such a black hole early enough in the simulation. The fable
model is also insufficient to regulate star formation at high redshift,
and furthermore, many properties of the host galaxy and CGM are
indistinguishable between the fable model and a run without AGN
at all. This is the case even though at low redshift, fable produces
reasonable stellar masses and star formation rates in massive galaxy
clusters (Henden et al. 2018). The properties of high-redshift quasar
hosts could therefore provide further important constraints on theo-
retical models of AGN feedback and their redshift evolution.
With changes we made to the base fable simulation, primarily

through seeding black holes earlier, allowingmildly super-Eddington
accretion, and reducing AGN feedback efficiency (but note that the
total injected AGN feedback power depends crucially on black hole
mass as well), we have grown a supermassive black hole with a
mass in excess of 1010M� by 𝑧 = 6, in agreement with the largest
estimated black hole mass from observations of bright quasars at that
redshift (Wu et al. 2015). This is the only simulation from the sixmost
massive Millennium halos at 𝑧 = 6 in which such an ultramassive
black hole forms, highlighting the high rarity of these objects and
unique conditions that need to be met, such as having a very early
assembly history. The bolometric luminosity of this black hole often
sits at 1047−48 erg s−1, matching the inferred bolometric luminosities
of such observed quasars.
Despite sustained, high luminosities, the quasars in both the fable

and Reference runs spendmuch of their life with a significant number
of sightlines around them obscured (at least in the UV) due to a large
amount of surrounding gas and dust. In the Reference run, more
powerful quasar feedback is able tomore effectively clear some of this
dense gas earlier and more effectively, leading to a higher probability
of it being observed. It is worth noting that even with strong quasar
feedback there are a number of sighlines with large infrared optical
depths, highlighting that the radiation pressure-driven outflows are
likely an important feedback mechanism of such highly obscured
quasars. Significant amounts of obscuration also seem required to
explain the very short inferred quasar lifetimes from observations of
proximity zones. We find that without efficient feedback from the
quasar expelling gas from the halo centre, a central quasar would
remain highly obscured in the rest-frame UV throughout.
We have shown how such massive black holes drive powerful out-

flows in high-redshift galaxies, significantly lowering central stellar
and gas densities and pressures. These outflows can eject metals to
large distances from the central galaxy at 𝑧 > 6, which could be a
way to probe and constrain such models with future observations.
We also find that early quasar feedback can significantly enhance the
Ly𝛼 luminosity of its host halo. The key factor in all of this seems
to be how early a black hole can grow massive enough relative to
the potential well depth of its host halo. If an AGN can start to drive
outflows when the potential well of the dark matter halo is shallower,
the feedback will be more effective.
Tests for such early feedback and enrichment models will come

from a number of angles in the coming decade. At optical and infrared
wavelengths, the Vera Rubin Observatory, Euclid, and the Roman
Space Telescope will be capable of discovering a larger sample of
high-redshift quasars, as SDSS has done in the previous decade. The
ongoing science missions of ALMA and JWST will also allow the
study of high-redshift galaxies, with insights into their stellar and
gaseous components and the detection of high-velocity outflows. We
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have shown how the star formation rate and estimated dust mass of
our massive quasar in the Reference run are in good agreement with
those inferred from observations of J0100+2802. Moreover, JWST
is already starting to probe fainter AGN at very high redshifts which
will give us valuable constraints on the growth of progenitors of
these ultramassive 𝑧 = 6 quasars, and even on black hole seeding
models. JWST has also identified previously unknown black holes in
the brightest objects seen by HST (e.g. Larson et al. 2023).
We have shown how the SZ effect can be used to investigate

the impact of the growth of high-redshift ultramassive black holes
on their surroundings, meaning future instruments, like the Simons
Observatory, CMB-S4, CMB-HD, and even excitingly state-of-the-
art observations currently with ALMA, could provide further pieces
of this puzzle.
In X-rays, we find that observations from the future Athena mis-

sion, or the proposed probe AXIS, would be able to place constraints
on the impact black hole feedback can have on the CGM of high-
redshift quasars, though still detecting the hot halo in our most ex-
treme case of feedback would be very difficult. Doing so would
require the capabilities of the proposed Lynx observatory, whose ap-
proval and launch would allow the study of high-redshift quasars and
their hosts in exquisite detail.
The exact mechanisms and impacts of black hole growth in the

early Universe are still very uncertain, but with the wealth of new
observational data becoming available now and in the near future,
progress on these fundamental questions should be possible. Sim-
ulations like those presented in this paper, that make predictions
for a range of observables that can be directly correlated with su-
permassive black hole masses and luminosities at high redshift, are
therefore timely. Despite some of the dramatic changes in results we
find between our runs, the modifications wemade to the fablemodel
are relatively moderate in nature, which bodes well for constructing
next-generation models that will be able to produce these ‘gargan-
tuan’ black holes while maintaining the lower-redshift successes of
existing models.
It is worth emphasising here that our modified fable setup chiefly

promotes earlier black hole growth and, once AGN feedback be-
comes effective, the differences between the models are likely to get
reduced over cosmic time due to effective self-regulation. Interest-
ingly, with such ‘gargantuan’ black holes we may reach the regime
where further radiatively efficient growth may not be possible (see
e.g. King 2016). This could lead to ultramassive but inactive black
holes at lower redshift (which could potentially be detected through
gravitational lensing, e.g. Nightingale et al. 2023), which would be
timely to explore with detailed numerical simulations. Hence, with
further theoretical developments of these models, and a better un-
derstanding of the early evolution of gaseous haloes around galaxies,
these predictions can be refined and compared to new data to gain
crucial insight into the emergence of these extreme and fascinating
compact objects in the early Universe.
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APPENDIX A: BLACK HOLE GROWTH IN OTHER
MASSIVE MILLENNIUM HALOES

To explore the rarity of our most massive black holes in the fable
and Reference setups, we simulate additional fiveMillennium haloes,
which together with the simulated system presented in the main body
of the paper, comprise the six most massive Millennium haloes at
𝑧 = 6.We take the initial conditions identical to the ones employed by
Costa et al. (2014) and adopt the same simulation setup and physics
implementation as in our Section 2.2 and 2.3, for the fable and
Reference setup, respectively. The virial halo masses at 𝑧 = 6 span
from 2.9 × 1012M� to 5.6 × 1012M� (for further details see table
2 of Costa et al. 2014, , runs labelled O1 to O6). Figure A1 shows
the growth of the most massive black holes in these six Millennium
haloes for the fable setup (dotted) and the Reference setup (dashed).
The fable and Reference runs from Fig. 1 are reproduced (solid)
together with the observational data. On average black hole masses
in the fable setup are one order of magnitude lower than those in the
Reference setup, which match observational data. Only in the most
massive halo of the Millennium simulation at 𝑧 = 6, which has an
exceptionally early assembly history does a ‘gargantuan’ black hole
with ∼ 1010M� form.
We note that several haloes with the Reference model produce

black holes with masses comparable to even higher redshift quasars
(𝑧 > 7.5), though these black holes are then less massive by 𝑧 = 6
than themain halo used in this work. This indicates how the particular
growth history of a halo can have a significant impact on how large
a black hole the halo can host at a given time.

This paper has been typeset from a TEX/LATEX file prepared by the author.

Figure A1. Growth of black hole mass as a function of redshift for the
largest black hole in a six different haloes. Individual points show where
observations of black holes lie, and are the same as in Fig. 1. Error bars
again show a representative 0.5 dex error. The black square highlights the
data from J0100+2802, the largest observed high-redshift quasar. The fable
and Reference runs from Fig. 1 are reproduced in the solid lines. Dotted and
dashed lines show fable and Reference runs for five other haloes.
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