
ar
X

iv
:2

30
5.

08
69

0v
1 

 [
nu

cl
-t

h]
  1

5 
M

ay
 2

02
3

RIKEN-iTHEMS-Report-23

Exploring 3
P0 Superfluid in Dilute Spin-Polarized Neutron Matter

Hiroyuki Tajima,1, 2 Hiroshi Funaki,3 Yuta Sekino,4, 5 Nobutoshi Yasutake,6, 7 and Mamoru Matsuo3, 7, 8, 9

1Department of Physics, Graduate School of Science,
The University of Tokyo, Tokyo 113-0033, Japan
2RIKEN Nishina Center, Wako 351-0198, Japan

3Kavli Institute for Theoretical Sciences, University of Chinese Academy of Sciences, Beijing, 100190, China.
4RIKEN Cluster for Pioneering Research (CPR),

Astrophysical Big Bang Laboratory (ABBL), Wako, Saitama, 351-0198 Japan
5Interdisciplinary Theoretical and Mathematical Sciences Program (iTHEMS), RIKEN, Wako, Saitama 351-0198, Japan

6Department of Physics, Chiba Institute of Technology (CIT),
2-1-1 Shibazono, Narashino, Chiba 275-0023, Japan

7Advanced Science Research Center, Japan Atomic Energy Agency, Tokai, 319-1195, Japan
8CAS Center for Excellence in Topological Quantum Computation,
University of Chinese Academy of Sciences, Beijing 100190, China

9RIKEN Center for Emergent Matter Science (CEMS), Wako, Saitama 351-0198, Japan

We study the theoretical possibility of 3P0 neutron superfluid in dilute spin-polarized neutron
matter, which may be relevant to the crust region of a magnetized neutron star. In such a dilute
regime where the neutron Fermi energy is less than 1 MeV, the 1S0 neutron superfluid can be
exhausted by a strong magnetic field of the compact star. At low-energy limit relevant for dilute
neutron matter, the 3P0 interaction is stronger than the 3P2 one, which is believed to induce the
triplet superfluid in the core. We present the ground-state phase diagram of dilute neutron matter
with respect to the magnetic field and numerically estimate the critical temperature of 3P0 neutron
superfluid, which exceeds 107 K.

Introduction.— A recent progress of neutron-star obser-
vations gives us an important opportunity to examine the
exotic state of matter such as nucleon superfluidity. The
cooling process of neutron stars and pulsar glitch phe-
nomena have been studied in connection with the neu-
tron superfluidity [1].

In the neutron-star crust region with the subnuclear
density, the 1S0 neutron superfluid has been discussed
extensively [2]. On the other hand, in the core region of
neutron stars where the nucleon density is close to the
normal nuclear density ρ0 = 0.16 fm−3, the 3P2 neutron
superfluid is expected to occur based on the nucleon-
nucleon phase shift at relevant energies with respect to
the neutron Fermi energy therein [3]. Based on the re-
cent rapid progress of multi-messenger astronomy obser-
vations [4], such nuclear many-body states can be further
studied in various astrophysical environments.

The strong magnetic field in magnetars may lead
to non-trivial effects not yet to be revealed (e.g., ap-
pearances of spin-3/2 ∆ baryons [6] and superheavy
nuclei [7]). While magnetars may involve a strong
magnetic field B ∼ 1015−18 G as studied in recent
works, e,g., Refs. [8, 9], the resulting Zeeman shift h =
|γnB|/2 <∼ 10 MeV with the neutron gyromagnetic ra-
tio γn = −1.2 × 10−17 MeV/G is small compared to
the neutron Fermi energy EF around ρ = ρ0 where

EF = (3π2ρ)2/3

2M ≃ 60 MeV (where M = 939 MeV is
the neutron mass) [10]. This fact evinces that the 1S0

neutron superfluid without the spin polarization should
be dominant at subnuclear densities. However, it is not
necessarily true in the dilute region where neutrons just
started to drip from neutron-rich nuclei in the inner

crust [11]. At a smaller density ρ = 10−3ρ0 (near the
neutron drip density), one obtains EF ≃ 0.6 MeV, which
can be comparable with the Zeeman shift h. As a result,
1S0 pairing gap ∆1S0

≪ EF can be strongly suppressed
by h.

In such a dilute region, the low-energy nucleon-nucleon
phase shift shown in Fig. 1 is important. One can see that
1S0 channel is dominant at low energies (Elab <∼ 150 MeV
where Elab is the laboratory kinetic energy). However,
suppose that dilute neutron matter is polarized due to
the strong magnetic field, the dominant attractive inter-
actions turn to be the triplet P -wave channels, that is,
3P0 and

3P2. Interestingly, the
3P0 channel can be a lead-

ing contribution near the drip density (Elab <∼ 10 MeV
corresponding to EF <∼ h for the pairing near the Fermi
surface), in contrast to the core region of neutron stars
(Elab >∼ 150 MeV corresponding to EF ≫ h) where the
3P2 channel is relevant.

In this work, we theoretically explore the possibility of
3P0 neutron superfluid in dilute spin-polarized neutron
matter, which may be relevant to the crust region near
the neutron drip line under the strong magnetic field.
First, we consider the possible ground-state phase di-
agram in terms of the magnetic field and the neutron
density. Because we are interested in the dilute regime
where the low-energy universality is relevant, we uti-
lize the recent theoretical results of strongly interacting
Fermi gases near the unitary limit [12–14] to characterize
1S0 superfluid properties with largely negative scattering
length a = −18.5 fm. In such a way, we identify the possi-
ble spin-polarized regime at zero temperature. Moreover,
we develop the mean-field framework of 3P0 neutron su-
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FIG. 1. (a) Schematics of 3P0 neutron superfluid in di-
lute neutron matter with a large spin polarization due to
the magnetic field B where the Zeeman shift h is compa-
rable with the Fermi energy EF. At larger densities where
EF ≫ h, the 1S0 neutron superfluid without the spin polar-
ization can appear. (b) Low-energy nucleon-nucleon phase
shift of the isovector channel from the Nijmegen partial wave
analysis (NPWA) [5] where Elab is the laboratory kinetic en-
ergy. The inset shows the phase shift with the relatively high-
energy regime (∼ 300 MeV). In the dilute region with EF ∼ h
(shaded area), 3P0 scattering phase shift can be a relevant
channel for spin-polarized neutron matter.

perfluid. The separable interaction is employed to repro-
duce the 3P0 scattering amplitude. Finally, we predict
the critical temperature of 3P0 superfluid as a function
of a spin-polarized neutron density.

Hereafter, we use the units of ~ = kB = c = 1 and the
system volume is taken to be unity for convenience.

Ground-state phase diagram.— First, we qualitatively ex-
amine the possible ground-state phase diagram in dilute
neutron matter under the strong magnetic field. To this
end, the information of strongly interacting Fermi gases
near the unitary limit is useful [12–14]. In the dilute
system with the negligible finite-range effect [15], the rel-
evant energy scale for the 1S0 neutron superfluid is given
by 1/(Ma2) = 0.12 MeV with a = −18.5 fm. In this
regard, the Zeeman shift h <∼ 10 MeV is not necessarily
negligible in the dilute region. Based on the theoretical
study of spin-imbalanced Fermi gases [16], the saturation
Zeeman shift hs beyond which neutrons are fully polar-
ized is expressed in terms of the attractive Fermi polaron

energy EP < 0 as (see also Fig. 2(a))

hs =
EF + |EP|

2
. (1)

Note that EP has been determined precisely in strongly
interacting ultracold Fermi gases [17, 18] (for review, see
e.g., [19–21]). For a given density ρ+1/2 of spin sz =
+1/2 neutrons where the direction of B is parallel with
sz = −1/2, the G-matrix calculation with the contact-
type interaction reads [22]

EP =
ρ+1/2

M
4πa − MkF

2π2

= −2

3
EF

1

1− π
2 (kFa)

−1
, (2)

which gives EP ≃ −0.67EF at unitarity (i.e., (kFa)
−1 =

0). Regardless of its simple calculation, this value is close
to the experimental value EP = −0.64(7)EF [17]. In the
dilute limit, one obtains EP/EF = 4πa

M ρ↑/EF = 4
3π (kFa),

reproducing the Hartree shift. We note that the finite-
range effect in the nucleon-nucleon interaction can en-
large EP as EP ≃ 0.75EF at kF ≃ 1 fm−1 [23]. A similar
tendency can also be found in the case of polaronic pro-
tons in neutron matter [24]. Eventually, the saturation
magnetic field reads

Bs =
EF

|γn|

[

1 +
2

3

1

1− π
2 (kFa)

−1

]

. (3)

Also, the Chandrasekhar-Clogston limit reads 2hc/µc ≃
1.09 [25], where hc and µc are the critical values of the
Zeeman shift and the chemical potential, respectively.
For simplicity, we take µc ≃ ξBEF where ξB ≃ 0.37 is
the Bertsch parameter [26–28]. Resulting hc ≃ 0.2EF ≡
|γnBc|/2 gives a reasonable estimation around unitarity
compared to the diagrammatic approach [29].
Figure 2(b) shows the ground-state phase diagram of

dilute neutron matter with respect to kF and B. Above
B = Bs, the system is fully polarized and therefore the
3P0 neutron superfluid can be a possible ground state in
this region. On the other hand, below B = Bc the sys-
tem is expected to be well-studied 1S0 neutron superfluid
phase. Suppose that the possible magnetic field reach
B ∼ 1015∼18 G inside of the compact stars [30], one may
expect the spin-polarized 3P0 neutron superfluid phase
in the dilute region at kF <∼ 1 fm−1. In this regard, we
will focus on the spin-polarized regime in the following
section.
In the region between Bs and Bc, the ground

state picture is elusive as various possibilities such as
Sarma phase [31], Fulde-Ferrel-Larkin-Ovchinikov super-
fluid [32, 33], induced P -wave pairing [34], and spin po-
larized droplet [35, 36] were discussed (for a review see
Refs [37, 38]). Since we are interested in the fully spin-
polarized phase, we do not go details about this region.
We note that the 3P2 superfluid phase is not shown in
Fig. 2(b) because it is expected to be found at larger
densities [2].
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FIG. 2. (a) Energy diagram of spin-1/2 neutrons (left: sz =
−1/2, right: sz = +1/2) at the saturation Zeeman shift h =
hs. While the sz = −1/2 neutrons exhibit the polaron energy
shift EP with respect to the bare dispersion (dashed line),
sz = +1/2 neutrons form the Fermi sea with the Fermi energy
EF. Below h = hs, the sz = −1/2 state starts to be occupied.
(b) Schematic ground-state phase diagram of dilute neutron
matter under the strong magnetic field B. kF is the Fermi
momentum. Bs denotes the saturation magnetic field beyond
which neutron matter is fully polarized. Bc is the critical
magnetic field for the 1S0 superfluid.

3P0 neutron superfluid theory.— We consider a neutron
matter with spin-triplet 3P0 interaction where the Hamil-
tonian is given by

H = K + V3P0
. (4)

The kinetic term K of neutrons with the spin sz = ±1/2,
the mass M = 939 MeV, and the chemical potential µ
reads

K =
∑

k

∑

sz=±1/2

(

k2

2M
− µ− 2szh

)

c†k,szck,sz

≃
∑

k

(

k2

2M
− µ− h

)

c†
k,+1/2ck,+1/2. (5)

In Eq. (5), we ignored the sz = −1/2 component by
assuming the large Zeeman shift h = |γnB|/2 > hs where

the direction of B is taken to be anti-parallel with respect
to sz = +1/2.
For convenience, we define the z-projection of the two-

neutron pair spin Sz = sz + s′z and the total angular
momentum Jz = Sz + m. The 3P0 interaction (S = 1,
ℓ = 1, J = 0) is given by

V3P0
= 2π

∑

k,k′,P

∑

m

∑

Sz

∑

sz ,s′z

V (k, k′)Y1,m(k̂)Y ∗
1,m(k̂′)

× 〈1,m; 1, Sz|1, Jz〉2〈s, sz; s, sz|1, Sz〉2

× c†
k+P /2,sz

c†−k+P /2,s′z
c−k′+P /2,s′z

ck′+P /2,sz ,

(6)

where 〈ℓ,m;S, Sz|J, Jz〉 is the Clebsh-Gordan coeffcient.
For the spin-polarized dilute neutron matter, we consider
the 3P0 interaction between two neutrons with the par-
allel spins (i.e., sz = sz′ = +1/2) at zero center-of-mass
momentum (P = 0) as

V3P0
≃ 2π

∑

k,k′

V (k, k′)

[

1

3
Y1,−1(k̂)Y

∗
1,−1(k̂

′)

]

× c†
k,1/2c

†
−k,1/2c−k′,1/2ck′,1/2, (7)

Furthermore, we use the separable interaction V (k, k′) =
gγkγk′ (g < 0). The superfluid order parameter is intro-
duced as

∆k = γk
kx − iky√

2k
d, (8)

where

d = −g
∑

q

qx + iqy√
2q

γq〈c−q,1/2cq,1/2〉. (9)

Using Eqs. (8) and (9), we obtain the mean-field Hamil-
tonian

HMF =
1

2

∑

k

Ψ†
k

(

ξk,+1/2 −∆k

−∆∗
k −ξk,+1/2

)

Ψk

− |d|2
2g2

+
1

2

∑

k

ξk,+1/2, (10)

where Ψk = (ck,+1/2 c†−k,+1/2)
T is the two-

component Nambu spinor and ξk,+1/2 =
k2/2M − µ − h. Accordingly, the Nambu-
Gorkov Green’s function is given by Ĝ(k, iωn) =
[

iωn − ξk,+1/2τ3 +Re(∆k)τ1 − Im(∆k)τ2
]−1

where
τ1,2,3 is the Pauli matrix, ωn = (2n + 1)πT is
the fermion Matsubara frequency (n ∈ Z), and

Ek =
√

ξ2
k,+1/2 + |∆k|2 is the BCS quasiparticle

dispersion. The gap equation is obtained from
d = gT

∑

q

∑

iωn

qx+iqy√
2q

γqG12(q, iωn), which can be
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rewritten as

1 = −g
∑

q

q2x + q2y
2q2

γ2
q

2Eq

tanh

(

Eq

2T

)

. (11)

By solving Eq. (11), one can examine the 3P0 superfluid
properties in spin-polarized neutron matter.
We note that the present 3P0 neutron superfluid with

momentum-dependent gap ∆k ∝ kx−iky (∆∗
k ∝ kx+iky)

is similar to the gapless px + ipy Fermi superfluid pre-
dicted in cold atoms [39] as well as the A1 phase in 3He
superfluids [40–42]. Indeed, the gapless points (called
as the Fermi points) can be found at Ek = 0, that is,
k = (0, 0,±

√

2M(µ+ h)) in the momentum space [43].
Thus, if the 3P0 superfluid is present, the superfluid spin
edge current may flow accompanying the chiral anomaly
around the surface of uniform neutron matter. Moreover,
the 3P0 gap structure leads to an anisotropic spin re-
sponse, which may induce a characteristic spin transport
at the interfaces with other phases (e.g., 1S0 superfluid)
as in the case of ferromagnetic superconductors [44]. An-
other important consequence of the 3P0 superfluid is the
temperature dependence of the specific heat C, which
plays a crucial role in the thermal transport during the
cooling process [45]. Because of the gapless quasiparticle
excitation, C ∝ T 3 can be found at low temperature [46].
Also, the pair-breaking formation process associated with
3P0 superfluid might occur in the cooling process [47].
The topological aspects of 3P0 superfluid and associated
vortices can be further examined as in the case of 3P2

superfluid in the core region [48, 49].
Next, we relate the model parameters

with the 3P0 scattering amplitude f3P0
(k) =

k2
[

−v−1 + 1
2rk

2 − ik3
]−1

, where v and r are the
scattering volume and the effective range, respectively.
These low-energy constants are given by v = −2.638 fm3

and r = 3.182 fm−1 [50, 51]. The two-body T -matrix
reads [52]

T (p,p′;ω) = V̄ (p,p′) +
∑

q

V̄ (p, q)T (q,p′;ω)

ω+ − q2/Mν
, (12)

with ω+ = ω+ iη (η is an infinitesimally small value) and
V̄ (p,p′) = 4π

3 gγpγp′Y1,−1(p̂)Y
∗
1,−1(p̂

′). The separability
of the T -matrix leads to the form given by

T (p,p′;ω) =
4π

3
t(ω+)γpγp′Y1,−1(p̂)Y

∗
1,−1(p̂

′), (13)

where t(ω) = g [1− gΠ(ω+)]
−1

. The pair propagator
Π(ω) is given by

Π(ω) =
∑

q

4π

3
γ2
qY

∗
1,−1(q̂)Y1,−1(q̂)

1

ω+ − q2/M
. (14)

For simplicity, we employ γq = q
1+(q/Λ)2 . In this case, we

obtain

Π(ω) = − iMΛ4(2
√

Mω+ + iΛ)(
√
Mω − iΛ)2

24π(Mω + Λ2)2
. (15)

104
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FIG. 3. Critical temperature Tc of 3P0 neutron superfluidity
as a function of the spin sz = +1/2 neutron density ρ+1/2.

Using this, we find the scattering amplitude

f3P0
(k) = − k2

12π(k2+Λ2)2

MgΛ4 + i(2k+iΛ)(k−iΛ)2

2

. (16)

In this way, we find the condition for g and Λ

v−1 =
12π

M

(

1

g
+

MνΛ
3

24π

)

, (17)

r = −24π

M

(

2

gΛ2
+

MΛ

8π

)

= − 48π

gMΛ2
− 3Λ. (18)

For v = −2.638 fm−3 and r = 3.182 fm−1, we obtain
Λ = 0.63058 fm−1 and Mg = −74.745 fm3.
Critical temperature of 3P0 superfluid.— The superfluid
critical temperature Tc is an important quantity to exam-
ine the possible appearance of the 3P0 neutron superfluid
in an astrophysical environment. We can calculate Tc by
taking T → Tc and d → 0 in Eq. (11) as

1 = −Mg

6π2

∫ ∞

0

q2dq
γ2
q

2Mξq,+1/2
tanh

(

ξq,+1/2

2Tc

)

. (19)

Eq. (19) should be solved together with the number den-
sity equation [53]

ρ+1/2 =
1

4π2

∫ ∞

0

k2dk

[

1− tanh

(

ξk,+1/2

2Tc

)]

. (20)

Figure 3 shows the calculated critical temperature Tc

of 3P0 neutron superfluidity as a function of ρ+1/2. Tc

reaches 107 K around ρ+1/2 ≃ 0.01 fm−3. This tempera-
ture can be realized in old neutron stars [54]. Although
the temperature in a magnetar is typically larger than
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those of old stars [55], T ∼ 107 K may be not so un-
realistic. In this regard, we need to carefully consider
the magnetic field and the temperature in neutron stars
to explore the possible candidates of stars involving 3P0

neutron superfluidity. The suitable condition for 3P0 su-
perfluid would be B > Bs and T < Tc where Bs is given
in Eq. (3). On the other hand, it may be not so straight-
forward to precisely determine the profiles of T and B
inside stars [8]. The survey of the regime satisfying this
condition would be left as an interesting future work.

Summary.— In this work, we have theoretically discussed
the possible appearance of 3P0 neutron superfluid, which
was overlooked in the literature, in dilute neutron matter
with the large spin polarization under the strong mag-
netic field. For the ground state at T = 0, we qualita-
tively clarified the spin-polarized 3P0 superfluid phase in
the phase diagram with respect to the magnetic field B
and the Fermi momentum kF in the dilute regime. Af-
ter developing the superfluid theory for such a phase with
the separable interaction, we have numerically calculated
the 3P0 superfluid critical temperature as a function of
the spin-polarized neutron density. Our result would be
useful for further understanding of possible exotic state
of matter in neutron stars.

Note added.— When this paper was being finalized, there
appeared a preprint [56], where the 3P0 triplet superfluid
in neutron matter is discussed.
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Abnormal light signals and the underdetermination of theory by

evidence in astrophysics

Felipe A. Asenjo∗, Sergio A. Hojman†, Niels Linnemann‡, and James Read§

Abstract

We investigate the propagation of certain non-plane wave solutions to Maxwell’s equations in
both flat and curved spacetimes. We find that the effective signal velocity associated to such
solutions need not be c and that the signal need not propagate along null geodesics; indeed, more
than this, we find that the information encoded in the signals associated with such solutions
can be substantially non-local. Having established these results, we then turn to their conceptual-
philosophical-foundational significance—which, in brief, we take to be the following: (i) one should
not assume that all electromagnetic waves generated in the cosmos are localised plane wave pack-
ages; thus, (ii) one cannot assume that signals reaching us from the cosmos arrive with a particular
velocity (namely, c), and that such signals encode local information regarding their sources; there-
fore (iii) astrophysicists and cosmologists should be wary about making such assumptions in their
inferences from obtained data—for to do so may lead to incorrect inferences regarding the nature
of our universe.

Keywords: underdetermination, theory-dependence, electromagnetism, signal velocity, Airy beam
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1 Introduction

Einstein’s 1905 theory of special relativity, as presented in [Ein05], involves several key inputs: the
relativity principle (that the laws of physics are the same in all coordinate systems in uniform trans-
latory motion with respect to one another), the light postulate (that the speed of light is independent
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of the speed of the source), the ‘standard’ Einstein-Poincaré clock synchrony convention, and the ho-
mogeneity and isotropy of space. From the relativity principle and light postulate, one can derive
straightforwardly that the speed of light takes the same fixed value c in all inertial coordinate systems.
So, in this sense, the constancy of the speed of light is close to being an input assumption of the special
theory circa 1905—and, indeed, this constancy is often taken to be one of the defining features of the
theory of relativity tout court—both special and general.

Note, however, that the lesson of Einstein’s 1905 paper was supposed to be the kinematical con-
straint that all laws of physics are conditioned so as to be invariant under Lorentz transformations.
Indeed, Einstein would in later life lament the special significance afforded to light and electromag-
netism in his 1905 presentation of the theory, opting instead to cut directly to this conclusion:

The content of the restricted relativity theory can accordingly be summarised in one sen-
tence: all natural laws must be so conditioned that they are covariant with respect to
Lorentz transformations. [Ein54]

However, even if one accepts (with the later Einstein) the above kinematical constraint as the ‘essence’
of special relativity (which also obtains locally in general relativity), one should avoid inferring too
much from this constraint vis-à-vis the nature of propagating relativistic fields. For example: although
it is true that plane wave solutions to the Maxwell equations do indeed propagate with determinate
velocity c, it is in fact far from obvious that this continues to be the case (a) when one considers other
solutions to said equations, or (b) one accommodates for the possibility of spacetime curvature. Indeed,
for over half a century relativistic causality has in fact been acknowledged to be a delicate business:
see [But07] for a recent survey of this terrain, and [AH17, LR21] for particular recent investigations
into the behaviour of wavelike solutions to the Maxwell equations in curved spacetimes.

For these reasons, it is arguably more foundationally careful to regard Einstein’s 1905 theory of
special relativity as taking the form of a self-consistent bootstrap (cf. [Cao01]): one begins with certain
assumptions regarding the velocity of light; however, the conclusion at which one arrives (namely,
the Lorentz invariance of the laws of physics) may—at least under certain circumstances—lead one to
revise those very principles from which one began.

Our goal in the present article is to take up these issues, exploring in greater depth the propagation
of certain non-plane wave solutions to Maxwell’s equations (in particular e.g. Airy wave solutions) in
both flat and conformally flat curved spacetimes. We find that the effective velocity of such signals (nota
bene: we will clarify different salient senses of wave velocity in what follows) need not be c and that such
solutions need not propagate along null geodesics; indeed, more than this, we find that the information
encoded in the signals associated with such solutions can be substantially non-local. Having established
these results, we then turn to their conceptual-philosophical-foundational significance—which, in brief,
we take to be the following: (i) one should not assume that all electromagnetic waves generated
in the cosmos are localised plane wave packages (for why, indeed, should this be the case?); thus,
(ii) one cannot assume that signals reaching us from the cosmos arrive with a particular velocity
(namely, c), that they are effectively travelling on null geodesics, and that they encode local information
regarding their sources; therefore (iii) astrophysicists and cosmologists should be wary about making
such assumptions in their inferences from obtained data—for to do so may lead to incorrect inferences
regarding the nature of our universe.

The structure of this article is as follows. In §2, we present the relevant background on waves and
their velocities. In §3, we present a historical warm-up case regarding the unexpected behaviour of
non-plane wave solutions to the Maxwell equations—namely, the case of the so-called Slepian wave. In
§4, we consider more generally non-plane wave solutions to the Maxwell equations in both Minkowski
and cosmological FLRW spacetimes, taxonomising different ways in which non-null or non-local prop-
agation might arise. In §5, we focus in particular upon Airy solutions to the Maxwell equations in
Minkowski and FLRW, and explore the propagation behaviour of these solutions. In §6, we discuss the
philosophical and conceptual upshots of these results vis-à-vis, inter alia, empirical underdetermination
of light signals received in astronomy and cosmology and the theory-dependence of observation.

2 Notions of signal propagation

In this section, we present the relevant background on (a) different notions of wave velocity (§2.1), and
(b) velocities of non-plane waves (§2.2).
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2.1 Background on wave velocities

Is it possible that electromagnetic waves in vacuo might ‘signal’ at some speed other than c? Prima
facie, there seem to be three distinct possible answers to this question:

(i) It is impossible that electromagnetic waves could signal at some speed other than c.

(ii) Electromagnetic waves’ signalling at some speed other than c is possible in principle, but not in
practice. This would raise a conundrum—possibly of deeper significance—as to why exactly we
do not see such signals.1

(iii) Electromagnetic waves’ signalling at some speed other than c is possible in practice. This, of
course, would call for more research in this direction.

Before we can make progress in deciding which of the above three answers is correct, however, we
need first to get a better handle on what is meant by ‘signal’, and what is meant by ‘signal speed’,
in the context of wave propagation. A modest working definition for ‘signal’ is this: a propagating
disturbance that encodes information where, standardly, the disturbance is taken to propagate locally.
(The local nature of the propagation is an often tacitly assumed aspect which will become relevant
later on.)

Disturbances can be modelled through wave packages. There are different ways to understand this:

(a) The wave package per se is taken to represent the disturbance.

(b) Parts of the wave packages are taken to represent a notion of disturbance (say, the high-frequency
components).

Given this ambiguity, there are various distinct notions of signal speed which can be associated to a
wave package, for example:

(I) The group velocity, which is the velocity with which the overall envelope of the wave’s amplitudes
propagates through space. (Regarding group velocity as the relevant notion of signal velocity
would thereby be in line with (a) above.)

(II) The front velocity, which is the velocity of the high frequency components of the wave (see
e.g. [Sho03]). (Regarding the front velocity as the relevant notion of signal velocity would
thereby be in line with (b) above.)

Now, it is general consensus that (1) the concepts of phase velocity or group velocity are generally
not valid concepts of signal velocity (although, of course, they can in cases serve as proxies for it,
especially if they all agree), and that (2) the concept of front velocity—the high-frequency limit of
the phase velocities of a wave package’s components—serves as an upper bound to signal speed of a
wave package, which, however, need not always be saturated (causal influences in water, for instance,
propagate at speeds less than their front velocity): see [GMCB98, SGN03]. Beyond this, however, the
notion of the (signal) velocity of a wave is a delicate matter, and must be assessed on a case-by-case
basis.

One other notion of wave velocity which will be of particular relevance in the context of our
investigations in this article is the transverse ‘velocity’ vector ~v = ~∇φ/ω, where φ is the phase of the
wave and ω its frequency (this will be explained in more detail in §4.3)—such a notion of wave velocity
is used in ongoing optics research [NEC+18, NNB22, PN98], and has the merit of being associated
directly to the normalised Poynting vector of an electromagnetic wave (and thus clearly of significance
to energy—and in this sense signal—propagation via the wave). We will, indeed, have several occasions
to compute this quantity in later sections of this article.

1This second option would certainly appear to be in conflict with Gell-Mann’s ‘totalitarian principle’: everything not
forbidden is compulsory [GM56]. The issue is, perhaps, of a similar kind to that of why we see only retarded but not
advanced solutions in electrodynamics.
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Figure 1: Wave fronts for a plane wave.

Figure 2: Discontinuous wave fronts for a generalised ‘wave’.

2.2 Velocities beyond isotropic waves

Standardly, the aforementioned wave velocities are defined only with respect to plane waves or spherical
waves. This, however, commits one to a basic ontology of waves whose fronts fulfil certain standards of
isotropy; one might wonder as to the extent to which such notions of wave velocities can be extended
beyond the plane or spherical wave in particular. To make progress in answering this question, recall
first that a plane wave ψ(~x, t) can be written in the form

ψ(~x, t) = A(~k) exp(~k · ~x− ωt), (1)

where ~k is a constant three-vector known as the ‘wave number’, and ω is again constant, and denotes
the frequency of the wave; moreover, the amplitude A of the wave is constant.

One might, however, seek to generalise beyond the notion of a plane wave. For example, consider
generalised waves of the form

χ(~x, t) = A(~k, ω) exp(~k(~x, t) · ~x− ω(~x, t)t); (2)

in this case, the wave number and frequency are spacetime-dependent quantities; the amplitude—which
is a function of wave vector and frequency—is implicitly dependent on spacetime quantities through
its dependence upon ~k(~x, t) and ω(~x, t). One might object that such a liberalisation of the notions
of wave vector and frequency goes against the spirit of introducing the wave vector and frequency to
begin with; after all, on a plane wave approach, wave vector and frequency parameterise a specific
plane wave and thereby allow for the packaging of specific plane waves in a weighted manner through
a wave vector- and frequency-dependent amplitude. However, even if each wave vector is spacetime-
dependent, it is not the case that different waves cannot be summed; in this sense, the generalisation
(2) is perfectly legitimate. Needless to say, the generalised waves could be decomposed further into
plane waves proper. But the point of the general wave form is to allow for the setting up of notions
of wave velocity that are not limited to plane waves specifically, independent of the mathematical fact
that (as is of course well-known) plane waves form a basis for the solution space for a wave equation.
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Figure 3: Continuous but spacetime-dependent wave fronts for a generalised wave.

Physically, the wave number picks out level surfaces in space which correspond to wave crests: for
the canonical plane wave, these are evenly-spaced, as per Figure 1. In the more general case in which
the wave number is an arbitrary function of spacetime, however, it may manifest discontinuities and
caustics, as in Figure 2. In that case, it is by no means clear that notions such as phase, group, or
front velocity will be well-defined mathematically. Therefore, if one is to continue to make sense of
such notions of wave velocities once one has generalised beyond the plane wave in the above manner,
it is prudent to impose minimal restructions upon the wave number—in particular, it is prudent to
impose that its level surfaces be continuous (or maybe even smooth) in space. In this way, the wave
vector can nevertheless pick out ‘non-plane wave’ surfaces, such as those of Figure 3. In a like manner,
in order for notions of phase, group, and front velocity to be well-defined in the general case, one of
course will also require that the wave frequency ω be continuous, for essentially the same reasons as
above.

With these points in mind, we now have the resources in order to assess the salient velocities of
solutions to the Maxwell equations beyond plane waves: it is to these issues that we now turn.

3 Warm-up: the Slepian wave

As a warm-up to our discussion in later sections of the propagation behaviour of various solutions
to the Maxwell equations in certain spacetimes (specifically, Minkowski and FLRW), let us consider
first in this section a somewhat infamous proposal for faster-than-light signalling from electromagnetic
waves made by Slepian [Sle49].2 Slepian gave the following solution to the free space wave equation for

the electromagnetic vector potential A in flat spacetime, ∇2A = 1
c2
∂2A
∂t2 , in Coulomb gauge ∇·A = 0:

A = cos[k(x− vt)] cos(kΓy)ẑ, (3)

where Γ :=
√

v2

c2 − 1. The surprising feature of the solution (3) is that the waveform seems to move

in x-direction at a speed v > c (required in order for Γ to be real)—i.e., faster than the speed of light.
McDonald [McD18] has provided a sober analysis of Slepian’s “academic puzzler” by decomposing

the vector potential into two plane waves, as

A =
A

2
exp i(k+r − ωt)ẑ +

A

2
exp i(k−r − ωt)ẑ, (4)

where ω = vk and k± = kx̂± kΓŷ. Clearly, the phase velocity for each of these waves is c:

v± =
ω

|k±|
=

ω

k
√

1 + Γ2
=

vk

k(v/c)
= c; (5)

however, their directions are different. Thus, the Slepian wave can be understood as the result of two
plane waves emitted from distinct sources—in this sense, it encodes non-local information (we return
to this issue in the following sections). In any case, as McDonald goes on to point out, the Slepian

2In fact, the extent to which Slepian himself wanted his proposal to be read as one for arbitrary signalling speeds is
ambiguous—his article ends with the passage: “We conclude then that electromagnetic waves in free space exist which
travel respectively with any and all velocities, v. How about this?” Nevertheless, we cannot help but think that he must
have meant a substantial sense of ‘travelling’, tantamount to signal propagation.
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wave is a completely legitimate solution to Maxwell’s equation (in fact, it also goes under the name of
the TE10 mode of rectangular waveguides)—but it simply cannot be used for faster-than-light signal
propagation any more than the travelling intersection point of a scissors’ blade: a signal that is sharp
in frequency—such as the Slepian wave—has to be modulated across the whole wavefront. Strictly,
however, this takes infinite time. Thus, the combination of wavefront encoding and actual propagation
of the wavefront of a Slepian wave prohibits faster-than-c propagation.3 Note also, finally, that, since
they are plane waves, the phase and group velocities of the constituents of the Slepian wave in (4) will
also be c.

4 Maxwell equations in flat spacetime and FLRW cosmology

In this section, we present two solutions for abnormal light propagation arising from the vacuum
Maxwell equations in flat spacetime and in Friedman-Lematre-Robertson-Walker (FLRW) cosmology.
In particular, we show that this abnormal light propagation involves beam constituents which move
on bent rather than straight trajectories—and so not on null geodesics. These can occur for two
different reasons: (i) the existence of second-order amplitude wave gradients (giving rise to the known
‘Bohm potential effects’), and (ii) the existence of second-order polarization wave gradients. Both are
discussed below, with corresponding particular solutions.

The structure of the section is this. In §4.1, we remind the reader of the relevant details of the
Maxwell equations in curved spacetimes. In §4.2, we consider amplitude gradient effects. In §4.3, we
consider polarisation gradient effects.

4.1 Maxwell equations in flat and curved spacetimes

In general, the Maxwell equations in vacuum flat spacetime for the electric field E and the magnetic
field B, are written (in vectorial notation) as

∇ ·B = 0 , ∇ ·E = 0 ,

∂tE = ∇×B , ∂tB = −∇×E . (6)

The abnormal propagation of light in this context (i.e., even in flat spacetime) has been studied
theoretically and experimentally as solutions of these equations for electromagnetic waves (see inter
alia [SBDC07, SBDC08, BNKS14, KBNS12, PBBS18, Hac11, AMCK+16, CE13, SC07, CRNW10,
PCP+16, ZBH13]).

Before we consider this in more detail, however, let us first demonstrate that in FLRW cosmologies,
electromagnetic wave propagation can in fact be described by a similar set of Maxwell equations. As
is well-known, the Maxwell equations in curved spacetime can be written

∇µFµν = 0 , ∇µF ∗µν = 0 , (7)

written in terms of compatible covariant derivative operators for a general spacetime metric gµν . As
usual, we can now define the vectorial electric and magnetic fields as Ei = Fi0, Di =

√
−gF 0i,

Bi = ε0ijkFjk and ε0ijkHk =
√
−gF ij , with relations

Di = −
√
−g g

ij

g00
Ej + ε0ijk

g0j
g00

Hk ,

Bi = −
√
−g g

ij

g00
Hj − ε0ijk

g0j
g00

Ek . (8)

Then, the Maxwell equations can be written

∇ ·B = 0 , ∇ ·D = 0 ,

∂0D = ∇×H , ∂0B = −∇×E . (9)

The above system is general for any spacetime. However, in what follows let us now consider specifically
the FLRW metric

gµν = (−1, a2, a2, a2) , (10)

3This issue has been familiar since at least the work of Brillouin [Bri60].
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where a = a(t) is the usual FLRW scale factor. In this case, relations (8) reduce to

D = aE , B = aH , (11)

and then, the above Maxwell equations (9) become

∇ ·B = 0 , ∇ ·D = 0 ,

∂τD = ∇×B , ∂τB = −∇×D , (12)

—i.e., just like the free Maxwell equations in flat spacetime!—by defining the conformal time

τ =

∫
dt

a
. (13)

Therefore, everything that is fulfilled for electromagnetic waves in free flat space occurs also for cos-
mological FLRW electromagnetic waves, in the conformal time τ . In flat spacetime, a = 1 and
τ = t. In a sense, of course, this is unsurprising, since (a) the FLRW solution is conformally flat, and
(b) the source-free Maxwell equations are conformally invariant, so any solution of said equations in
Minkowski spacetime will remain a solution in FLRW spacetime. In this sense, the experimental results
that demonstrate that abnormal (i.e., non-geodesic) light propagation is possible in flat spacetimes is
unavoidable imply also that the same kinds of propagation arise in cosmological solutions.

With the set of equations (12) in hand, we find that the magnetic field B follows the general wave
equation (

∂2τ −∇2
)
B = 0 . (14)

(A similar equation can be found for the electric field E; in the following we focus for simplicity
only on the wave equation for B.) Usually, (14) is solved in terms of plane waves travelling to the
speed of light (or, in relativistic vocabulary, on null geodesics). However, this wave equation has other
possible solutions that present non-trivial behaviour. As an exemplification of this, in the following
two subsections we consider two of these solutions—in the first case, the solutions involve second-order
amplitude gradients; in the second, they involve second-order polarisation wave gradients. Note, to
repeat, that both of these classes of solutions (for the reasons articulated above) are solutions both of
the Maxwell equations in flat Minkowski spacetime and in the (curved) FLRW spacetime which we
take to represent accurately the large-scale structure of our universe.

4.2 Amplitude gradient effects

When the wavepacket solution for electromagnetic wave propagation is allowed to have amplitude
gradients, then it modifies its propagation. This has been reported extensively in the context of
the paraxial and non-paraxial propagation of light in both flat and curved spacetime geometries
[BNKS14, PBBS18, KBNS12]. In these spacetimes, it has been shown that such wavepackets can
follow non-geodesic trajectories, and indeed follow curved trajectories due to the interaction of ampli-
tude properties of the wave with its medium.

In this subsection, we present the simplest case of such effects for a cosmological scenario; in
particular, we shown that an electromagnetic wave can propagate in an accelerated fashion due to
amplitude gradient effects. We look for a solution in the form B = B(u, y) exp(iv)ẑ, with only one
component (with u = x− τ and v = x+ τ). In this case, the wave equation (14) becomes(

−4i∂u + ∂2y
)
B = 0 . (15)

This is a Schrödinger-like equation, which has several known solutions. One of them is in the form of
an Airy function [BB79, Lek09]. Therefore, in our case, the field can propagate as

B(τ, x, y) = B(u, y) = Ai
(
2y − u2 − iau

)
exp

(
ay − au2 − ia

2

4
u− 2iuy +

2

3
iu3
)
, (16)

where Ai is the Airy function, and a is an arbitrary parameter that allow us to have finite energy of
the wavepacket [Lek09].

The above solution presents curved trajectories in the y-u plane, i.e., as the wavepackets propagate
along u = x − τ direction, it deflects also on transversal y-direction. This behaviour does not occur
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Figure 4: Contour plot, in the y-u plane with a = 0.1, of the square of intensity of wavepacket (17) for
the different lobes of the solution. The red line shows the deflection of this maximum intensity of this
solution on this space.

for a plane wave, which does not manifest any kind of deflection in its transverse direction. This can
be studied numerically through the intensity of this wavepacket

b =
√

B∗B =
√
B∗B . (17)

In Fig. 4, we contour plot the square of intensity b2, on the y-u plane with a = 0.1, to show that this
Airy solution has several lobes that behave differently, deflecting in a different manner. In the plot,
the red line shows the curved trajectory of the maximum intensity of this wavepacket. In the usual
plane wave solution, all trajectories should be vertical lines in such plots. Therefore, the abnormally-
propagating solution (16) deflects itself during its propagation due to its dynamics on the transverse
plane.

This can also be studied via the Poynting vector of this wave. This vector establishes the direction
of the energy flux of the wave. The Poynting vector is S = 1

2 (D∗ × B + D × B∗), where B is the
already-calculated magnetic field, and D =

∫
dτ∇ × B. In the typical case of plane waves (with

constant amplitudes), the only non-zero component of the vector field D is in the y-direction, and the
flux of energy (Poynting vector) is in the x-direction. However, in this case,

D = Dxx̂+Dy ŷ =

∫
dτ∂y(Beiv)x̂−

∫
dτ∂x(Beiv)ŷ, (18)

and the Poynting vector has a component in the y-direction as well, S = Sxx̂+ Sy ŷ, with

Sx =
1

2

(
D∗yBe

iv +DyB
∗e−iv

)
,

Sy = −1

2

(
D∗xBe

iv +DxB
∗e−iv

)
. (19)

This is due only to the transversal (extended) spatial dependence of the amplitude of the wave, which
now depends also on the y-direction. This implies that for this wave solution the energy flux follows
a curved trajectory in the y-u plane.
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4.3 Polarisation gradient effects

To compliment the above-discussed situations in which the propagation of electromagnetic waves can
be affected by an amplitude gradient, we ask in this subsection whether effects on polarisation can
likewise induce abnormal wave propagation. In general, the wave equation (14) describes the behaviour
of polarised waves, and therefore more general solutions than the plane wave can again be identified.
For example, recently it has been shown (both theoretically and experimentally) in [NNB22] that
second-order gradients on the phase of polarised waves in vacuum flat spacetimes can also induce
beam deflections on the wave. Thus, we expect that similar effects occur for cosmological light.

Consider a magnetic field with a transverse polarized part in the form

B(τ, x, y, z) = ρ1/2 [cos γ x̂+ sin γ ŷ] exp(iφ+ iωτ) +Bz ẑ , (20)

where ρ is the amplitude of the wave, γ is the polarization angle, φ is total wave phase, and ω is the
wave frequency. The physical quantities ρ, γ, and φ can have full dependence on (conformal) time and
space coordinates. The frequency ω is a constant for this solution. Bz denotes a longitudinal part of
the field. Using this ansatz in (14) for the transverse part, we obtain the four equations

∇ · (ρ∇γ) = 0 ,

∇γ · ∇φ = 0 ,

∇ · (ρ∇φ) = 0 ,

|∇φ|2 − ω2 −
∇2√ρ
√
ρ

+ |∇γ|2 = 0 . (21)

On the other hand, Bz must fulfil (14). In principle, we see already from this (in particular from the
last equation) that the gradient of the polarization angle can induce a deflection on the trajectory of

the wave, calculated through the second order gradient of the phase ∇(|∇φ|2) [NNB22].
A particularly neat example of this effect can be obtained for a perturbative solution. Let us

suppose that

ρ(z) ≈ ρ0 + 2ε ρ1(z) ,

γ(x, y) ≈ ε1/2 γ1(x, y) ,

φ(x, y, z) ≈ ω z + ε φ1(x, y, z) , (22)

where ε is the small parameter that we use to keep to track of the perturbative order in the equation.
Here ρ1, γ1, and φ1 are the perturbations, while ρ0 is a constant. Thereby, the transverse part of this
solution is a polarised perturbation of a plane wave travelling in the z-direction.

The first and second equations of set (21) (both at O(ε1/2)) allow us to establish that

γ1(x, y) = ωαxy , (23)

where α is a constant. In addition, the third and fourth equations (both at O(ε))) allow us to find
that

ρ1(z) =
α2

2
z2 ,

φ1(x, y, z) =
α2

2ω
z
(
1− ω2(x2 + y2)

)
. (24)

Finally, from constraint (12), the above transverse solution for the ansatz allows us to find Bz at order
O(ε1/2). This is

Bz(τ, x, z) = iε1/2
√
ρ0 αx exp(iωz + iωτ) , (25)

which also solves (14) identically.4

From the above solution we can see that small changes on the polarization angle will induce small
changes on the wave trajectory. The wave trajectory velocity v can be obtained through the gradient

4We are not aware of an example which fully isolates the polarisation gradient effect from the amplitude gradient
effect.
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of its phase v = vxx̂+ vy ŷ + vz ẑ = ∇φ/ω [NNB22] (on this notion of velocity, recall our discussion in
§2.1). Thus, for example, this wave packet satisfies∣∣∣∣dvydz

∣∣∣∣ = εα2y , (26)

implying that, as the wave propagates longitudinally in z-direction, it deflects along the transverse
y-direction due to the polarization gradient effect. Similar behaviour happens for the x-direction.

As before, this can be studied using the Poynting vector of this solution. Its complete calculation is
highly involved and not very illuminating, but instead one can obtain the different ε order corrections
for the solution. For the case in hand, the Poynting vector values are S = 1

2 (D∗ × B + D × B∗) =
Sxx̂+ Sy ŷ + Sz ẑ, where

Sx = O(ε3/2) ,

Sy = εα2yzρ0 +O(ε3/2)

Sz = −ρ0 + ε1/2
αρ0
ω

+ ε
α2

2

(
ρ0(x2 + y2)− 2z2 − ρ0/ω2

)
+O(ε3/2) , (27)

implying that the main flux of energy occurs in the z-direction (which is the expected result as it is
the non-perturbative plane wave solution), along with several corrections. However, we find that, at
ε order, energy also flows in the y-direction. Thus, while the wave mainly propagates in z-direction,
it also deflects in y-direction. This is in agreement with the velocity gradient (26), implying that
v = ∇φ/ω plays the role of the normalised Poynting vector of this electromagnetic wave.

5 The case of Airy beams

So far, we have seen that both amplitude and polarisation gradient effects can affect the propagation
trajectories of electromagnetic waves in both flat and FLRW spacetimes. In this section, we explore the
physical status of optical Airy beams, the discussion of which will also help us to understand better the
status of the specific Airy-type solutions in curved spacetimes discussed the previous section. Generally
from now on, we will use Airy beam scenarios as paradigmatic cases for abnormal light propagation
(as by now familiar from wave propagation in dielectric media), but this focus is in no way intended
to suggest that abnormal propagation is limited only to Airy beam behaviour.

Airy beams are usually associated to solutions of the paraxial approximation of the Helmholtz equa-
tion. That is, the Helmholtz equation ∇2f +kf = 0 with ansatz A(r) = u(r) exp(ikz) is approximable
to

∇2
⊥u+ 2ik

∂u

∂z
= 0 (28)

provided that | ∂
u

∂z2 | � |k
∂u
∂z |.

5 Apparent core features of Airy beams include that they are weakly
diffracting (amplitude profile stays close to invariant), curve in propagation (‘parabolic shape’) and
can be self-healing (the profile can recover its original form when obstacles are placed in the path of
their main lobe). All these three aspects of behaviour can be explained by way of a detailed analysis of
Airy beams in terms of a ray decomposition approach: see [KH10]. Interestingly, Airy beam solutions
to the paraxial approximation of the Helmholtz equation are the only diffraction-free solutions in
one transverse-dimension. This, however, leaves open the possibility for non-diffraction-free paraxial
accelerating waves or those with more than one transverse direction.

What about the non-paraxial case? Consider the 2d case:

∂2f

∂x2
+
∂2f

∂z2
+ k2f = 0, (29)

As reviewed in [ECSC19], so-called half-Bessel beams are diffraction-free solutions to the 2d Helmholtz
equations. Notably, they can follow circular, ellipsoidal and other paths, whereas the Airy beams—
solutions to the paraxial approximation of the 2d Helmholtz equation—trace out parabolic paths.

5Notably, the equation is mathematically equivalent to the Schrdinger equation—thus the appearance of Airy waves
in quantum mechanics too (albeit there they are ‘over time and space’ and not just space).
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What then is the significance of Airy beams qua physical signals? The work of [KH10], which
analyses Airy beams in terms of geometric rays, is especially helpful in answering this question. The
set-up is as follows: the non-paraxial equation is considered in two dimensions,

∂2xu+ 2ik∂zu = 0, (30)

together with an initial field distribution in the aperture plane z = 0 of form u(z = 0) = Ai(x/x0).
The radiated field f = u exp(ikz) is then given by Kirchhoff-Huygens integral

U(r) = 2

∫ ∞
∞

dx′φ0(x′)∂n′G(r, r′) (31)

with Rayleigh-Sommerfeld diffraction Green function G. One can distinguish between contributions
to the field U from the main lope of the aperture (call this U1) and contributions from the remainder
of the aperture (call this U2). The analysis of [KH10] then leads to the prima facie surprising insight
that the main curved lobe of the Airy beam “is not generated by the first main lobe of the aperture
field, but by some other part” (p. 2). In particular, it is concluded in light of the analysis that an
Airy beam is not a beam in the sense of “a local wave function whose evolution along its propagation
trajectory is described by a local self-dynamics” (p. 2).

However, the results of [KH10] need to be put into context: it is true that Airy beams exhibit a
straight line movement of their intensity centroid, but the shape of their intensity structure follows a
curved path. It is the field profile of the beam, rather than the center of mass, that has immediate
influence on optical processes. As for instance stressed in the review [ECSC19], “the majority of
optical processes like nonlinear effects, detection, imaging etc., are directly dictated by the field profile
itself, not by the ‘center of mass’ of the beam, which is a mean property (averaged over the beam
cross section).” (p. 686, our emphasis).6 Generally speaking, as [PBBS18] discuss, the main feature
of accelerating beams carrying finite power is that their main lobe follows a curved path while their
center of mass does follow a straight trajectory. Again, this has significant consequences for light-
matter interactions, as all such interactions depend on the local intensity of the beam rather than
its center of mass; in fact, this feature has enabled a variety of applications, including curved plasma
channels, manipulation of microparticles, laser micromachining, single-molecule imaging, and light-
sheet microscopy, among others.

6 Foundational consequences

Up to this point, we have made the case that once one generalises beyond plane wave solutions to the
Maxwell equations in both flat and curved spacetimes, the propagation of the waves may be affected
so as to lead to non-null motion; moreover, the case can be made that some of these solutions encode
non-local information (recall again for instance the Slepian wave).

Prima facie, this has the potential to be a profound result, given that the standard assumption
in practising astrophysics and cosmology is that electromagnetic signals received at Earth travel on
null geodesics, and are localised entities. In particular, given the cornucopia of different ways in which
wave-like solutions to the Maxwell equations have been generated in the lab as well as brought into
application, the assumption that all propagating solutions to the Maxwell equations in the cosmos
resemble plane wave solutions begins to look not only miraculous, but also implausible.7 Airy beams
in the sense of §4.2 can for instance be implemented straightforwardly given that the Fourier transform
of the Airy wave is a Gaussian beam with an additional cubic phase—for instance by using a spatial
light modulator [ECSC19, p. 687]8 or specially-designed lenses [YSA10, PSAT10] on a Gaussian laser
mode; polarised beams in the sense of §4.3 can in principle be generated using an initial polarized light
beam that passes through spatial light modulators and polarization filters [NNB22].9

6On p. 687, the authors also write: “The study of optical accelerating waves effectively began with the understanding
that what really matters is not the trajectory of the ‘center of mass,’ but the curved evolution of the field itself.
Thus, a truncated Airy beam (which is physically realizable since the beam must have finite power), interacts with its
surroundings—whether they are particles or other waves—according to its accelerating field structure, not according to
its centroid, which moves instead on a straight line so as to ensure the preservation of transverse momentum.”

7Recall the response to option (ii) in §2.1, discussed in footnote 1.
8See also [SBDC08, BSDC08].
9We thank Zhigang Chen and Nikos Efremidis for correspondence on these issues.
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Again, one would thus arguably expect likewise that both types of abnormal light propagation
could be generated through processes at the astrophysical scales. In response to this expectation, one
might argue that such abnormal light propagation would only arise in cosmological scenarios as the
result of finely-tuned set-ups which are unlikely to occur naturally. Our personal view is that as-of-yet
there is insufficient evidence to warrant this armchair prohibition—but we refrain from a final verdict
on these matters pending further empirical investigation; the foundational consequences explored in
the following are to be regarded as being contingent on an affirmative answer to this existence question.

In the remainder of this section, we explore the philosophical-conceptual-foundational significance of
the (assumed) existence of such non-standard electromagnetic wave solutions in cosmological scenarios
with respect both to the underdetermination of theory by data (§6.1), and with respect to the theory-
dependence of observation (§6.2).

6.1 Underdetermination of theory by data

Underdetermination of theory by data is often posed in the philosophy of science in a ‘global’ manner:
if two different theories make the same empirical predictions, then how is one to tell which of those
theory ‘truly’ describes reality? Issues of underdetermination, however, can of course also be a ‘local’
matter:10 given such-and-such empirical data/evidence, which theoretical hypotheses are compatible
with that data/evidence?11

Clearly, it is this latter notion of underdetermination of theory by data which is relevant to our
points in this article. In particular, given the possibility of abnormal wave propagation in curved
spacetimes as explored in the foregoing sections of this article, there arises a novel issue of underdeter-
mination by data vis-à-vis the astronomical electromagnetic signals which we receive on (or around,
via satellites) the Earth. In particular—and this in addition to the fact that the trajectories of photons
are well-known to bend in light of the curvature of spacetime in general relativity—:

1. Are such signals truly propagating on null geodesics and with determinate velocity c?

2. Are such signals in fact encoding information about non-local sources (à la the Slepian wave)?

Given that such signals are in the relevant astrophysics and cosmology communities almost invariably
assumed to propagate locally on null geodesics, there is—in light of the above—a pressing need to
confront these questions.

In particular, in an astrophysical context, the roughly-detected beam segments as we register them
on or around the Earth seem to leave open whether they are part of standard beam originating in
sources ‘straight ahead’, or are better fitted to a model of abnormal wave propagation that is associated
to a different local source (or maybe even to various sources at once).

This issue of underdetermination arising from the possibility of abnormal wave propagation is
reminiscent of how gravitational lensing for light was traditionally regarded as a source for underde-
termination by data of astrophysical phenomena. There is, for instance, the concrete suggestion by
Barnothy and Barnothy from 1965 [BB68] that quasars are Seyfert galaxies subject to gravitational
lensing rather than a class of cosmic objects of their own. Notably though, by now one can fairly well
decide between whether or not gravitational lenses have influenced a beam’s path—the theory behind
lensing has evolved and given rise to decisive observational traces of lensing in the beam [And15].

The currently-presented issue of underdetermination might be resolved in a similar manner at some
point in the future. In this context, it is interesting to note the fair amount of optimism in fields of
‘historical’ research (to which astrophysics and cosmology can be counted to the extent that they make
sense of past data) to the effect that apparent issues of underdetermination by data can eventually
be resolved (and thus are in particular not issues of in-principle underdetermination). Consider, for
example, the following passage from [And15] (echoing [Cle02]):12

10What we mean here is essentially tracking the difference between ‘strong’ versus ‘weak’ underdetermination, as
summarised in e.g. [Lad01].

11In what follows, we elide some philosophical subtleties by using ‘data’ and ‘evidence’ interchangeably.
12Cf. the optimism about the historical sciences defended by Currie [Cur18]. Here is Cleland on this issue:

Historical researchers investigating particular past events cannot test their hypotheses by performing con-
trolled experiments. But this doesnt mean that they cannot procure empirical evidence for them. Because
of the asymmetry of over-determination, there are usually an enormous number of subcollections of the
effects of a past event that are individually sufficient (given the right theoretical assumptions) to infer its
occurrence. The trick is finding them. Many of these overdetermining traces (e.g., a splinter of glass, a
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[I]f an event has occurred, it is very difficult to make things look like nothing had happened.
The situation seems analogous to criminal cases, where it is reasonable to hope that the
culprit has left some traces that will make it possible to identify him. In this sense, it
is difficult to fake past events, i.e. to create all expectable traces artificially without the
occurrence of the actual event. While in an experimental approach, the underdetermination
problem makes it difficult to find the “true” (responsible) causes for an observed outcome,
the richness of traces in historical science cases can help to distinguish true causes from
faked causes. The large number of effects that an event usually creates leads to a so called
“overdetermination of causes”. (p. 6)

So far, so good—but what about now? How strong really is the case of underdetermination raised
by abnormal signal propagation? Are there genuine, concrete cases in which explicit alternative hy-
potheses for an arriving wave package in terms of non-geodesic (possibly even non-localised) sources
are known or can be found?

In the remainder of this subsection we want to make progress on this complex of questions by
comparing the situation of beam detection in astrophysics to that in a lab. The difference between
beam detection in astrophysics and in a standard lab scenario is striking: while in the latter case
the full extent of the beam can be studied from various perspectives (using all sorts of manipulations
and measurement across the full length of the beam), in the former case the beam path is only
known around its detection point (which is, given the distance the beam usually has travelled in an
astrophysical context, a rather insignificant segment of the overall beam path). Therefore—much more
than in the laboratory—in astrophysics theoretical background assumptions are required for making
a statement on the full beam path. It is here that the results on abnormal light propagation in curved
spacetime come in: they call into question the background assumption that wave signals follow the
null geodesics of the background geometry; more than that: concrete alternatives for long-term beam
propagation are provided (say in the form of specifically bent Airy wave packages), albeit only with
respect to beam’s path.

Note though that these concrete alternative hypotheses for the beam paths are not prima facie
part of a larger overall causal account behind the recorded beam data. In particular, it is not clear
at this initial stage of hypothesising that the alternative beam path can really be due to a sensible
physical source. Consider the case that the abnormally behaving beam is due to a highly non-localised
source (as seems to be the case at least for the Airy beam solution on Kaganovsky’s analysis [KH10]).
There are two options: (1) the alleged beam is effectively noise resulting from overlying locally sourced
beams; then, it would, however, be a highly conspiratorial matter that the alleged beam came into
being in any case—especially if we detect a whole class of beams of this form rather than just a single
one. Or, (2) the beam is the result of some genuine physical mechanism which, however, has to be
of non-local nature. Given that (1) and (2) are both rather unattractive options methodologically,
it seems as if the standard hypothesis that (0) the detected beam moves on null geodesics (with a
well-defined local source)—when available—is preferable.

In any case, and picking up the expectations mentioned above of an an eventual resolution of
the underdetermination issue, one should be able to decide by crucial experiment between specific
abnormal Airy wave solutions and standard (geodesic) beam solutions: the characteristic mark of the
abnormal Airy wave solution is a specific polarisation of light that should be subject to detection,
even locally.13 Likewise, it is to be expected that other forms of abnormal light propagation will have
signatures that can ultimately make them distinguishable from (say) Gaussian beams.

6.2 Theory-dependence of observation

Given the assumption that light propagates on null geodesics which is at least implicit (and, indeed,
sometimes explicit) in most reasoning in astrophysics and cosmology, those physicists’ descriptions of

footprint) occupy small, local regions of space, bringing them within the limited range of human sensory
experience. This places scientists investigating the remote past in the position of criminal investigators.
Just as there are many different possibilities for catching a criminal, so there are many different possibili-
ties for establishing what caused the demise of the dinosaurs, the origin of the universe, etc. Like criminal
investigators, historical scientists collect evidence, consider different suspects, and follow up leads. (p. 490)

13On ‘crucial experiments’ more generally, see [Lak74].
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observed results inevitably become a function of that assumption. For example, we hear regularly—
on the basis of the assumption—that such-and-such galaxy is such-and-such many millions of light
years away. Although such statements might appear to be matters of brute empirical fact, the above
discussion should make clear that they are in fact much more theory-laden than they might initially
appear.

Clearly, the central point of the present article is that we should be open to revising assumptions
of this kind—if, on the basis of more detailed considerations (say, to do with how said electromagnetic
waves are generated in such-and-such astronomical body, e.g. a star, or filtered in such-and-such
nebula), we come to appreciate that we are not dealing with plane waves, and that (rather) the signals
under consideration need not manifest geodesic motion, or need not encode only local effects, then in
that case our descriptions of what we are observing on the basis of received signals will change. It seems
to us correct to state that a process of reflective equilibrium is an appropriate way to characterise this
process: (i) astrophysics (in this case) begins with certain general and univocal assumptions (e.g., to
do with the null propagation of light), then (ii) uses those assumptions to gather data on astrophysical
bodies (e.g. stars) and to develop a more sophisticated physics of the behaviour of those bodies, but
(iii) that very understanding might lead us to revise the very assumptions from which we began (in
this case, to do with the propagation of light emitted from such bodies). In turn, this only goes to
illustrate the complex interrelations between the theoretical and the empirical in modern science; the
lesson, of course, is that we should not (and need not) be too keen to hold onto established consensus, if
theoretical considerations on the basis of amassed empirical evidence (which might have been gathered
from within the framework of that very consensus) speak against it.14
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neutron stars

Zhiqiang Miao1, Enping Zhou2, Ang Li1
1Department of Astronomy, Xiamen University, Xiamen, Fujian 361005, China; liang@xmu.edu.cn

2Department of Astronomy, School of Physics, Huazhong University of Science and Technology, Wuhan, 430074, China
(Dated: May 16, 2023)

The investigation of the phase state of dense matter is hindered by complications of first-principle nonper-
turbative quantum chromodynamics. By performing the first consistent general-relativistic calculations of tidal-
excited g-mode of neutron stars with a first-order strong interaction phase transition in the high-density core,
we demonstrate that gravitational wave signal during binary neutron star inspiral probes their innermost hadron-
quark transition and provides potent constraints from present and future gravitational-wave detectors.

Introduction.− Despite decades of exploration, the phase
state of cold, dense matter is still a fundamental problem
that remains unresolved. This problem pertains to low-energy
nonperturbative quantum chromodynamics (QCD) [1] and is
one of the key scientific goals in current and anticipated rel-
ativistic heavy-ion collision experiments [2]. It is widely be-
lieved that this type of matter exists in the core of neutron stars
(NSs). The equation of state (EoS) of dense stellar matter has
drawn much attention in the era of gravitational wave (GW)
astronomy. This is because the observations of GW170817
led to the first measurement of NS tidal deformability [3],
which offered valuable insight into the phase state of dense
matter [4].

The tidal deformability accounts for the quadrupole defor-
mations of inspiraling NSs, which are induced by the tidal
force from each other, when the quasi-equilibrium approxi-
mation can be utilized (i.e., the tidal field changes slowly).
While in the late stage of the inspiral phase, once the binary’s
orbital frequency approaches the frequency of a particular nor-
mal mode of NSs, a resonance can occur. This resonance will
transfer the orbital energy to the stellar oscillation via a mech-
anism referred to as the dynamical tide. This event will ac-
celerate the orbital decay and result in a phase shift in the
GW waveform, which will provide insights into the NS inner
structure with the help of GW detection from inspiraling NSs.

Previous studies have focused on the interfacial (i) modes,
which are excited at the interface between the solid crust and
fluid core [5, 6]. These modes typically have frequencies of
∼ 100 Hz and contribute ∼ O(0.1) phase shifts during reso-
nance, making them promising candidates for detection using
Advanced LIGO (aLIGO) and 3rd generation GW detectors
such as Einstein Telescope (ET) and Cosmic Explorer (CE).
Attempts have also been made to infer NS EoS through tide-
induced f-modes and g-modes, which arise from composition
gradients within the NS’s interior. Studies (see e.g., Ref. [7–
12]) have shown that f-modes are challenging to excite due
to their high resonant frequencies, whereas g-modes demon-
strate negligible phase shifts because their couplings to tidal
fields are meager.

In this Letter, we investigate a unique type of g-modes,
known as discontinuity g-modes, which are expected to oc-
cur in NSs that possibly have a strong phase transition in their

high-density inner cores. Our study showcases how discon-
tinuity g-modes’ dynamical tide can be leveraged to probe
the dense matter’s phase transition properties using the data
obtained from GW170817, along with possible observations
from the next-generation GW detectors.

G-modes of hybrid stars.− The existence of a quark core
inside NSs (also called hybrid stars) has been discussed with
Newtonian formulations of perturbations and tidal couplings,
focusing on the i-mode at the interface of a crystalline quark
core and a fluid hadronic envelope [13]. With the solid
quark core condition relaxed, we here employ a full general
relativistic (GR) formalism as follows: 1) Constructing the
background hybrid stars in hydrostatic equilibrium using Ein-
stein’s field equations, specifically the Tolman-Oppenheimer-
Volkoff equations, and 2) Computing their discontinuity g-
modes by solving the linear pulsation equations in general
relativity [14, 15]. This study focuses solely on the l = 2
g-modes, as they have the strongest coupling to the tidal grav-
itational field. We use the generic constant-speed-of-sound
(CSS) parameterization [16] to construct the sharp first-order
hadron-quark phase transition and model the quark matter in
the high-density cores of NSs. Previous studies have thor-
oughly discussed the weak density dependence of the speed
of sound in quark matter (see e.g., [16, 17]). This allows us
to determine the equation of state (EoS) from the start of the
phase transition up to the maximum central density of the star
by using three phase-transition parameters: the transition den-
sity εt, the transition strength ∆ε and the speed of sound in
quark matter cs. The QMF [18] and NL3ωρ [19] models are
employed to describe the fiducial soft and stiff hadronic mat-
ter, respectively, while maintaining consistency with labora-
tory nuclear experiments.

It is worth noting that since the discontinuity g-modes are
a result of the discontinuities in the density profile of the star,
we expect the frequency of these modes to depend on both
the transition strength and the transition density. Based on our
calculations, we observe that the g-mode frequency typically
falls within the range of 100 Hz to 1500 Hz, which is strongly
dependent on the transition strength. The transition strength
varies between ∼ 5 MeV/fm3 and ∼ 300 MeV/fm3. Our
study also indicates that the speed of sound (cs) has a subdom-
inant effect on mode frequency. Specifically, the difference in
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FIG. 1. Total phase shift |δφ̄| and resonant frequency f̄ for a 1.4M� − 1.4M� system (left panel) and a 1.8M� − 1.8M� system (right
panel), depending on the transition densities (represented by pt/εt). fISCO ' 4400 Hz/(M +M ′) denotes the GW frequency corresponding
to the innermost stable circular orbit, at which we assume the signal of inspiral phase shut off [20]. Also plotted are the detectability thresholds
of aLIGO, ET and CE, which are calculated from their designed sensitivities by assuming the system is located at DL = 100 Mpc.

mode frequency between the cs = 1/
√

3 case (corresponding
to the conformal limit) and the cs = 1 case (corresponding to
the casual limit) is found to be less than ∼ 10%. Thus, for
the purpose of our analysis, we solely focus on extremely stiff
quark matter with a speed of sound cs = 1.

Tidal coupling and waveform correction.−Throughout the
inspiral process, the binary’s individual components will be
subject to external tidal forces from their respective compan-
ions. Upon the tidal driving frequency nearing the g-mode
frequency of the NSs, it becomes possible to trigger inter-
nal stellar oscillations through resonance, ultimately causing
a phase shift in the GW waveform. The phase shift resulting
from mode resonance in a single star is represented as [8]:

δφ ' −0.12

(
Q

0.01

)2(
600 Hz
f

)2(
2q

1 + q

)
M−4

1.4R
2
12 ,

(1)
where q = M ′/M with M ′ representing the companion star
mass. Q is the tidal overlap integral between the l = 2 g-mode
and the tidal field, and here we take its relativistic form [21],

Q =
1

MR2

∫ √−ge−2Φd3x(p+ ε)ξ∗µ∇µ(r2Y2m) , (2)

to account for the GR treatment of the perturbation. Here,
g represents the determinant of the metric of the background
spacetime and e2Φ = gtt is the (t, t) component of the met-
ric. ξµ = (0, re−λWY2m, V ∂θY2m, V sin−2 ∂φY2m) is the
Lagrangian displacement of the eigenmode with the normal-
ization

∫ √−gd3xe−2Φ(p + ε)ξ∗µξµ = MR2. Y2m is the

l = 2 spherical harmonic. The transition density and tran-
sition strength affect the tidal overlap integral and its typical
value remains at ∼ O(0.01).

The total phase correction for a binary NS waveform
h(f) = AeiΨ(f), which takes into account the mode reso-
nances of both components, is expressed as [6, 22]:

∆Ψ(f) = −
∑

i

δφi

(
1− f

fi

)
Θ(f − fi)

≈ −δφ̄
(

1− f

f̄

)
Θ(f − f̄) ,

(3)

where fi is the g-mode frequency of the i-th star and δφ̄i rep-
resents the corresponding phase shift due to resonance. Here,
Θ(·) is the Heaviside step function. The second line of Eq. (3)
introduces the total phase shift δφ̄ =

∑
i δφi and the resonant

frequency f̄ = δφ̄/
∑
i(δφi/fi) to reduce the number of pa-

rameters [6]. For simplicity, |δφ̄|will be used as the waveform
parameter from here on.

Detectability.−Fig. 1 displays the total phase shift |δφ̄|
against the resonant frequency f̄ for two equal-mass binary
systems, along with the detection thresholds of aLIGO and
3rd generation detectors. These thresholds are computed us-
ing a Fisher matrix method [20] and are based on the designed
sensitivities [23] assuming that the binary systems are located
at DL = 100 Mpc. Generally, |δφ̄| decreases with the in-
crease of f̄ since δφ ∝ f−2. For a significant number of
hybrid star models, the total phase shifts are greater than the
detectability threshold of 3rd generation detectors. It is worth
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FIG. 2. Detectable regions of phase transition parameters for a
1.4M� − 1.4M� system (green) and a 1.8M� − 1.8M� sys-
tem (yellow) on the 3rd generation detectors. The red region de-
picts the parameter space ruled out by the mode resonance analysis
of GW170817 at 95% confidence level, and the grey regions repre-
sent the portions eliminated by the maximum mass of observed pul-
sars. The results of QMF+CSS and NL3ωρ+CSS are represented by
dotted and dashed lines, respectively. The critical line corresponds
to ∆ε/εt = 1/2 + 3pt/2εt, dividing the parameter space into two
parts. Below the critical line, there is a hybrid star branch connected
to the hadronic branch, while above the critical line, there is no con-
nected hybrid star branch [16].

noting that there is a threshold frequency fth, which is in-
dependent of the hadronic EoS. Binaries with f̄ . fth may
be detectable by 3rd generation detectors, while those with
f̄ & fth may not be detectable. For a 1.4M� − 1.4M�
system, fth ' 1200 Hz, while for a 1.8M� − 1.8M� sys-
tem, fth ' 1050 Hz. These threshold frequencies lead to
constraints on the phase transition parameters, which are il-
lustrated in the shaded regions (green for 1.4M� − 1.4M�
system and yellow for 1.8M� − 1.8M� system) in Fig. 2. It
is evident that the detection of a signal of mode resonance pro-
vides a new opportunity to probe the properties of the hadron-
quark phase transition, which can serve as a complementary
constraint to other observations, such as the ∼ 2M� max-
imum mass constraint from the most massive pulsars (grey
regions in Fig. 2). In addition, we have derived two helpful
approximations for the mode frequency and tidal overlap inte-
gral, which are outlined in the Supplemental Material. These
approximations can aid in determining phase transition prop-
erties once mode resonance signatures are detected in the fu-
ture. Even if no mode resonance signal is detected, the upper
limit of the phase shift can further rule out a considerable pa-
rameter space.

GW170817 constraints.−We now utilize the available
GW170817 data and conducte a search for mode resonance
signals, utilizing waveform correction as outlined in Eq. (3).

50 100 150 200 250 300 350 400
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FIG. 3. Constraints on phase transition densities (represented by
pt/εt) with GW170817 data for QMF+CSS models. The shaded
regions depict calculations for a GW170817-like system with chirp
mass M = 1.186M� and mass ratio q = 0.7-1. The horizontal
line denotes the 95% upper limit of |δφ̄| < 0.34 obtained with a
low-frequency prior.

This is similar to a previous search conducted in Ref. [6] for
signals in the frequency range of [30, 300] Hz. We employe
a Bayesian parameter estimation approach, following the data
analysis framework presented in Ref. [24]. Our analysis uti-
lizes PYMULTINEST [25] implemented in BILBY [26], which
enabled the simultaneous acquisition of the posterior distribu-
tion of parameters and the model evidence Z . By denoting
H1 as the hypothesis with mode resonance andH0 as the one
without, we are able to compute the Bayes factor from the ev-
idence, B1

0 = Z1/Z0. We adopt two distinct sets of prior dis-
tributions for |δφ̄| and f̄ in hypothesis H1. The first is a low-
frequency prior characterized by |δφ̄| ∼ LogU[10−4, 102]
and f̄ ∼ U[50, 400] Hz. The second is a high-frequency
prior characterized by |δφ̄| ∼ LogU[10−4, 102] and f̄ ∼
U[50, 1600] Hz. Here, U denotes a uniform distribution,
while LogU represents a logarithmic uniform distribution. We
obtain Bayes factors B1

0 = 0.65 and B1
0 = 0.72 for the

low-frequency and high-frequency priors, respectively. Since
these Bayes factors are close to unity, it implies that the two
hypotheses are consistent with each other, regardless of the
choice of prior [27]. We further determine the 95% upper
limit of the total phase shift to be |δφ̄| < 0.34 for the low-
frequency prior case. This upper limit can be utilized to set
constraints on the phase transition parameters. In Fig. 3, we
present the total phase shift and the resonant frequency for a
GW170817-like system with a chirp mass ofM = 1.186M�
and a mass ratio range of q = 0.7–1. The 95% upper limit of
|δφ̄| indicates that hybrid star models with f̄ . 400 Hz and
pt/εt . 0.13 are strongly disfavored by GW 170817 obser-
vations. By converting these constraints on f̄ to phase tran-
sition properties, we conclusively rule out the possibility of a
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weak phase transition (∆ε/εt . 0.1) occurring at low den-
sities (pt/εt . 0.13) with a confidence level of 95%. We
have depicted this region as the red region in Fig. 2. Our
conclusion is in agreement with our previous findings based
on static tidal deformability constraints from GW170817 [28]
and the study of proton and lambda production during rela-
tivistic heavy-ion collisions at several GeV/nucleon incident
beam energies [29].

Discussion.− The investigation of phase transitions in QCD
matter is a central area of interest in physics and has rel-
evance for a range of open problems, such as early Uni-
verse [30, 31], core-collapse supernovae [32], cosmological
gamma-ray bursts [33], as well as the nonperturbative prop-
erties of QCD itself [34]. We propose to probe the phase
transition properties possible in dense NS matter through the
tidal resonant excitation of g-modes. Our analysis demon-
strates that the tidal excitation of g-modes from inspiraling
neutron stars can induce significant phase shifts in the gravi-
tational waveform, on the order of ∼ O(0.1) − O(1). These
shifts are detectable by both aLIGO and 3rd generation de-
tectors. Notably, these low-frequency signatures complement
previous efforts to identify first-order phase transitions using
high-frequency post-merger gravitational waves [35], expand-
ing the range of density regimes that can be probed for poten-
tial phase transitions. We propose two analytical formulas to
clarify the relationship between the phase shift in the gravi-
tational waveform and the properties of the phase transition.
These formulas will be useful for future efforts to directly esti-
mate phase transition parameters using GW data. Our analysis
indicates that the estimation errors are moderate, with a max-
imum of approximately 15% for the mode frequencies and
25% for the tidal overlap integrals (as detailed in the Supple-
mental Material). This leads to a possible underestimation or
overestimation of the phase shift by a factor of no more than
2-3.

To calculate the correction to the gravitational waveform
induced by the g-mode resonance, we use the form pre-
sented in Eq. (3). However, it is important to note that
this form is derived under the assumption that the energy
transfer of the resonance is instantaneous [22]. There-
fore, it is only valid when the duration of the reso-
nance, tres ' 0.009s (M/1.2M�)−5/6(f/600 Hz)−11/6,
is much shorter than the orbital decay time-scale, tD '
0.08s (M/1.2M�)−5/3(f/600 Hz)−8/3 [8]. For resonant
frequencies that are very high (e.g., & 1000 Hz), the wave-
form correction ∆Ψ(f) should be modified to account for the
continuous process of energy transfer during the resonance. It
is also important to consider the relativistic corrections to the
Newtonian orbit as the binary approaches closer, especially
for high resonant frequencies. These improvements will be
the subject of future work.

In addition, it is crucial to identify the physical origin of
the mode resonance signature once it is detected. This is
because there could be other possible origins apart from the
resonant excitation of hybrid star g-modes. As suggested by
Ref. [6], other processes such as tidal-p-g coupling [36] or

those in modified gravity [37, 38] predict different corrections
on the waveform. Therefore, one could perform a Bayesian
model selection to compare these different origins. On the
other hand, crust melting can produce a ∆Ψ(f) similar to
the resonant excitation of g-modes considered here. However,
the resonant frequencies associated with the crust melting are
typically ∼ 100 Hz, whereas hybrid star g-modes have fre-
quencies ranging from ∼ 400 Hz to ∼ 1200 Hz. Our Fisher
analysis shows that the resonant frequencies can be measured
with a precision of .10% using 3rd generation detectors (see
Supplemental Material). This precision would enable us to
discriminate between the g-mode resonance considered here
and the crust melting process by comparing their frequencies.
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Supplemental Material for “Resolving phase transition properties of dense matter through tidal-excited
g-mode from inspiring neutron stars”

A. Pulsation equations in general relativity

For the background star, the static and spherically symmetric line element is given by

ds2 = gµνdx
µdxν = −e2Φdt2 + e2λdr2 + r2(dθ2 + sin2 θdφ2) (1)

where the metric components Φ and λ are functions of r only. We model the star as a perfect fluid, then the
stress-energy-momentum tensor is given by

Tµν = (p+ ε)uµuν + pgµν , (2)

where uµ is the four-velocity. The orthogonal part of the Euler equation ∇µTµν = 0 reads

(p+ ε)uµ∇µuν+ ⊥µν ∇νp = 0, (3)

where ⊥µν= gµν + uµuν is the projection operator. Assuming the Lagrangian displacement of the perturbed star is
ξµ = (0, ξ) with ξ(r, t) = ξ(r)eiωt, then from Eq. (3) one can derive the linear pulsation equation

[L − (p+ ε)e−2Φω2]ξµ = 0, (4)

with

Lξµ = (δp+ δε)uν∇νuµ+ ⊥µν ∇νδp+ iωe−Φ [(p+ ε)∇νuµ + uµ∇νp] ξν + iωe−Φξµuν∇νp. (5)

To obtain the eigenvalue of the mode frequency ω, we assume the metric perturbation as

hµν = −rlH0e
iωtYlmdt

2 − rlH0e
iωtYlmdr

2 − rlKeiωtYlmr2(dθ2 + sin2 θdφ2)− 2iωrl+1H1e
iωtYlmdtdr, (6)

and the Lagrangian displacement

ξr =rl−1e−λWYlme
iωt,

ξθ =− rl−2V ∂θYlme
iωt,

ξφ =− rl−2 sin−2 θV ∂φYlme
iωt,

(7)

where Ylm(θ, φ) is the spherical harmonics. Note the Eulerian perturbations of energy density and pressure are given
by

δε = (p+ ε)(∆n/n)− ξi dεdxi ,

δp = γp(∆n/n)− ξi dpdxi .
(8)

where γ = [(p + ε)/p](∂p/∂ε)ad is the adiabatic index. The Lagrangian perturbation of baryon number density ∆n
can be derived from the baryon number conservation ∇µ(nuµ) = 0, it reads

∆n = −n∇iξi −
1

2
nδg(3)/g(3), (9)

with g(3) the determinant of the metric of the 3-geometry at constant time. Plugging these perturbations (Eq. 6-8)
into linear Einstein equation δGµν = 8πδTµν , one finds [1, 2]

dH1

dr
=−

[
l + 1 +

2m

r
e2λ + 4πr2(p− ε)e2λ

]
H1

r
+
e2λ

r

[
H +K − 16(ε+ p)V

]
, (10)

dK

dr
=
l(l + 1)

2r
H1 +

H0

r
− (l + 1− rΦ′) K

r
− 8π

r
(ε+ p)eλW, (11)

dW

dr
=− l + 1

r
W + reλ

[
1

γp
e−ΦX − l(l + 1)

r2
V +

1

2
H0 +K

]
, (12)

dX

dr
=− l

r
X + (ε+ p)

eΦ

r

{
1

2
(1− rΦ′)H0 +

1

2

(
ω2r2e−2λ +

l(l + 1)

2

)
H1 −

(
1

2
− 3

2
rΦ′
)
K − l(l + 1)

r
Φ′V

−
(
ω2eλ−2Φ + 4π(ε+ p)eλ − r2(

1

r2
e−λΦ′)′

)
W

}
, (13)
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with

X ≡ ω2(p+ ε)e−ΦV − r−1eΦ−λp′W +
1

2
(p+ ε)eΦH0. (14)

and

(
3m

r
+

(l + 2)(l − 1)

2
+ 4πr2p)H0 =8πr2e−ΦX + r2e−2λ

[
ω2e−2Φ − l(l + 1)

2
Φ′
]
H1

+

[
(l + 2)(l − 1)

2
− ω2r2e−2Φ + (r − 3m− 4πr3p)Φ′

]
K.

(15)

Here the prime denotes the derivative of r. We then follow the method described in Ref. [1] to solve these equations
and find the eigenvalue of ω for each normal mode.

B. Approximations of the mode frequency and tidal overlap integral

In order to estimate the mode frequency, we consider the similar problem in Newtonian mechanics. The pulsation
equation under the Cowling approximation [3] (i.e., neglect the gravitational perturbation) reads

dξr
dr

=

(
gr

c2ad
− 2

)
ξr
r

+

[
l(l + 1)− ω2r2

c2ad

]
ξh
r
,

dξh
dr

=

(
1− N2

ω2

)
ξr
r

+

(
N2r

g
− 1

)
ξh
r
,

(16)

where ξr and ξh are the radial and tangential displacement, respectively. g is the gravitational acceleration. N2 =
g2(1/c2e−1/c2ad) is the Brunt-Väisälä frequency with ce and cad the equilibrium and adiabatic sound speed, respectively.
For simplicity, we assume the star is composed of two layers of incompressible fluid with cad = ce, gr/c

2
ad � 1 and

ω2r2/c2ad � 1. The density for the lower layer (i.e., quark core) and upper layer (i.e., hadronic envelope) are denoted
as ρ− and ρ+. Restrict to l = 2, one finds that Eq. (16) reduces to

dξr
dr

= −2ξr
r

+
6ξh
r
,

dξh
dr

=
ξr
r
− ξh

r
,

(17)

The general solutions can be obtained with

ξr = Ar−4 +Br, ξh = −1

3
Ar−4 +

1

2
Br. (18)

Considering the regularity requirement at r → 0, we obtain the solutions to Eq. (17) as

ξr =





r, 0 < r < Rt,

αR4
t

r4
+
βr

Rt
, Rt < r < R.

(19)

and

ξh =





1

2
r, 0 < r < Rt,

− 1

3

αR4
t

r4
+

1

2

βr

Rt
, Rt < r < R.

(20)

At the interface of two layers, ξr and ∆p = ρg(ω2rξh − ξr) should be continuous, which requires

α =
∆ρ

ρ+

(
6

5

Mc

R3
tω

2
− 3

5

)
Rt,

β = Rt − α,
(21)



3

where ∆ρ ≡ ρ− − ρ+ and Mc the mass of core. At the surface, the Lagrangian perturbation of the pressure must
vanish, i.e., ∆p = 0. Using Eq. (19-21) and replacing ρ+ (ρ−) with εt (εt + ∆ε), we finally obtain

ω2 =
(6/5)(∆ε/εt)(1− x5) + 1 + λ−

√
(1 + λ)2 − (12/5)(∆ε/εt)(κ− 1)(1− x5)

(εt + ∆ε)/εt − (2/5)(∆ε/εt)(1− x5)

M

R3
, (22)

where λ = (1/5)(∆ε/εt)[3(κ− 1) + (3 + 2κ)x5] with x = Rt/R and κ = (Mc/M)(R/Rt)
3.

Previously, by analogy to the solution of the gravity waves propagated between two stratified fluid, Finn [4] pointed
out that when the discontinuity near the surface (i.e., R−Rt � Rt), the frequency can be approximated as

ω2 ≈ l(l + 1)
∆ε

εt + ∆ε

R−Rt

R

M

R3
. (23)

It can be seen that at the limit x = Rt/R→ 1, Eq. (22) reduces to the Finn’s estimation Eq. (23).
To approximate the g-mode frequencies numerically calculated in general relativity, we use the same form as Eq. (22)

and Eq. (23) to fit them, namely

ω2 ≈ K1
(6/5)(∆ε/εt)(1− x5) + 1 + λ−

√
(1 + λ)2 − (12/5)(∆ε/εt)(κ− 1)(1− x5)

(εt + ∆ε)/εt − (2/5)(∆ε/εt)(1− x5)

M

R3
, (24)

and

ω2 ≈ K2l(l + 1)
∆ε

εt + ∆ε

R−Rt

R

M

R3
. (25)

We use the data points of stars that have Rt > R/2 alone to do the fitting and find the fitting factor K1 = K2 = 0.015.
The results are plotted in Fig. 1. It can be seen that the estimation of Eq. (25) shows large deviations for stars with
Rt < R/2, which is because the assumption of R−Rt � Rt breaks down at that radius range. However, the estimation
of Eq. (24) still performs well for Rt < R/2. The estimation errors of Eq. (24) is found to not more than ∼ 15%.
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FIG. 1: Left [right] panel shows the estimated Frequencies from Eq. (25) [Eq. (24)] versus the frequencies calculated numerically
from relativistic pulsation equations.

We also find a good approximation for the tidal overlap integral, as shown in Fig. 2. We should mention that such an
approximation is only valid for small transition strength, i.e., ∆ε . 150 MeV/fm3. However, higher transition strength
(∆ε & 150 MeV/fm3) corresponds to higher mode frequencies (& 1200 Hz) that we are not interested in, therefore we

do not need to worry about them when using this approximation. By defining Q̃ ≡ Q[(εt + ∆ε)(εt + pt)/ε
2
t ]−1M−2

1.4 ,
we find

Q̃ ' cx(1− dx)

ea(1−x) + b
. (26)

We fit the data points of the 1.4M� stars and the fitting coefficients are already listed in Table. I. It is found the
estimation errors are less than ∼ 25%.
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TABLE I: Fitting coefficients of Eq. (26).

Model a b c d

NL3ωρ (stiff) +CSS 6.304 17.793 2.827 1.004

QMF (soft)+CSS 5.726 12.014 3.183 1.064
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FIG. 2: Scaled tidal overlap integral Q̃ versus x. The fitting lines are obtained by using data points of 1.4M� stars alone.

C. Detectability analysis

Following Ref. [5, 6], we use the Fisher information matrix to estimate the detectability of the phase shift due to
resonance, assuming that the GW signal have a large signal-to-noise ratio (SNR). The Fisher information matrix for
a set of parameters {θi} is defined by

Γij =

(
∂h

∂θi
| ∂h
∂θi

)
, (27)

where the inner product is defined by

(h1|h2) = 2

∫ ∞

0

h̃∗1(f)h̃2(f) + h̃1(f)h̃∗2(f)

Sn(f)
df, (28)

with h̃ and Sn are the Fourier transform of GW strain data and the spectral noise density of the detector. The SNR
is given by SNR = (h|h)1/2. The root-mean-square (rms) measurement error of θi can be written as

∆θi =
√

(Γ−1)ii, (29)

where Γ−1 is the inverse of the Fisher information matrix. If the rms error of phase shift ∆|δφ̄|is smaller than |δφ̄|,
then the phase shift is detectable.

We employ the IMRPhenomD NTidal waveform [7], together with the addition of phase correction given by Eq. (5),
to calculate the GW signal. The waveform parameters are

{θi} = {M, q,Λ1,Λ2, dL, |δφ̄|, f̄}. (30)

Here for simplicity, we omit the angular dependence and the stellar rotation. We also fix the tidal defromability
as Λ1.4 = 400 and Λ1.8 = 300, because it is found that ∆|δφ̄| is insensitive to the choice of tidal deformability. In
Table. II we list some quantitative results of rms measurement errors for a 1.4M� − 1.4M� system.

D. Bayesian parameter estimation

We perform a Bayesian parameter estimation to analysis the GW170817 data by incorporating the resonant pa-
rameter |δφ̄| and f̄ . We utilize the IMRPhenomD NTidal waveform for the basic hypothesis H0, whereas add the
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TABLE II: The rms measurement errors of |δφ̄| and f̄ for a 1.4 M� − 1.4 M� system.

f̄ (Hz) |δφ̄| dL (Mpc) Detector SNR ∆f̄ (Hz) ∆|δφ̄|

500 1 100

aLIGO 49 112 0.535

ET 502 16 0.085

CE 1495 10 0.054

750 1 100

aLIGO 49 313 1.368

ET 502 51 0.231

CE 1495 32 0.148

1000 1 100

aLIGO 49 750 3.580

ET 502 129 0.630

CE 1495 83 0.407

phase correction for the hypothesis H1. The waveform parameters are given by

{θi} = {M, q,Λ1,Λ2, χ1z, χ2z, θjn, tc, φc,Ψ, |δφ̄|, f̄} (31)

We fix the location of the source to the position determined by EM observations [8, 9] with α(J2000) = 197.45◦,
δ(J2000) = −23.38◦ and z = 0.0099. The priors of the parameters are chosen by following those have used in Ref. [10],
except the |δφ̄| and f̄ . We employ two priors for |δφ̄| and f̄ , i.e., 1) Low-frequency prior with |δφ̄| ∼ LogU[10−4, 102]
and f̄ ∼ U[50, 400] Hz; 2) High-frequency prior with |δφ̄| ∼ LogU[10−4, 102] and f̄ ∼ U[50, 1600] Hz.

In Fig. 3 we show the posterior distribution of waveform parameters. Since we use the PyMultiNest to sample from
the posterior distribution, we can obtain the evidence (Z) of each hypothesis directly. We then calculate their Bayes
Factor with B1

0 = Z1/Z0. We also calculate the Bayes Factor with the Savage-Dickey Density Ratio method [12], by
using the posterior distribution of hypothesis H1 alone, as

1

B1
0

= lim
|δφ̄|→0

p(|δφ̄||data,H1)

p(|δφ̄||H1)
. (32)

Both two methods give the similar Bayes Factor, i.e., using the evidence we find B1
0 = 0.65 (B1

0 = 0.72) for low-
frequency prior (high-frequency prior), whereas using the Savage-Dickey Density Ratio method we find B1

0 = 0.78
(B1

0 = 1.11) for low-frequency prior (high-frequency prior). Following the quantifying of the significance in Ref. [11],
the Bayes Factor closing to unit indicates that there is no prefer for each hypothesis with current data.
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FIG. 3: The posterior distributions of the parameters for low-frequency prior (upper) and high-frequency prior (lower). The
horizontal line in last two diagonal panels denote the prior distributions of corresponding parameters.
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Abstract. The observation of transient gravitational waves is hindered by the

presence of transient noise, colloquially referred to as glitches. These glitches can

often be misidentified as gravitational waves by searches for unmodeled transients

using the excess-power type of methods and sometimes even excite template waveforms

for compact binary coalescences while using matched filter techniques. They thus

create a significant background in the searches. This background is more critical in

getting identified promptly and efficiently within the context of real-time searches for

gravitational-wave transients. Such searches are the ones that have enabled multi-

messenger astrophysics with the start of the Advanced LIGO and Advanced Virgo

data taking in 2015 and they will continue to enable the field for further discoveries.

With this work we propose and demonstrate the use of a signal-based test that

quantifies the fidelity of the time-frequency decomposition of the putative signal based

on first principles on how astrophysical transients are expected to be registered in

the detectors and empirically measuring the instrumental noise. It is based on the

Q-transform and a measure of the occupancy of the corresponding time-frequency

pixels over select time-frequency volumes; we call it “QoQ”. Our method shows a

40% reduction in the number of retraction of public alerts that were issued by the

LIGO-Virgo-KAGRA collaborations during the third observing run with negligible

loss in sensitivity. Receiver Operator Characteristic measurements suggest the method

can be used in online and offline searches for transients, reducing their background

significantly.
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1. Introduction and motivation

The direct detection of gravitational waves by ground-based interferometric detectors,

Advanced LIGO (aLIGO) [1] and Advanced Virgo (AdV) [2] has burgeoned the field

of gravitational-wave physics [3]. Together with that, the first detection of a binary

neutron star coalescence by LIGO-Virgo in association with a Gamma-Ray Burst [4] has

also inaugurated a new era in multi-messenger observations enabled by gravitational-

wave observations. Three observing runs of the international network of gravitational-

wave detectors have already taken place starting in 2015 and until 2020. They are

referred to as “O1”, “O2” and “O3”; they resulted in about 100 gravitational-wave

candidates following thorough analyses of data conducted over these years [5–13]. These

gravitational-wave candidates are the result of collisions between compact binary objects

such as black holes and neutron stars. Additionally, during these observing runs, real-

time searches were also conducted by the collaborations to disseminate transient event

detection candidates to the broader astronomy community in order to enable their

multi-messenger observations [14]. During the O3 run, 80 public alerts for gravitational-

wave candidates have been distributed via the Gamma-Ray Burst Coordination Network

(GCN). Out of these, 24 were retracted on timescales of hours to days following their

initial release, primarily reflecting manual examination of the events by the LIGO-

Virgo Collaboration and deeming them to be of non-astrophysical origin. Quantifying

and automating the retraction process for this kind of event in upcoming observing runs

of the LIGO-Virgo-KAGRA network of detectors has been the primary motivation and

goal of this work.

The output of ground-based gravitational-wave detectors is strain amplitude, also

referred to as h(t). This captures with the highest sensitivity the differential change in

length of the kilometer-long arms of the interferometer. The h(t) is impacted by multiple

sources of noise which can be broadly classified into two categories, short duration non-

Gaussian transients, also known as glitches, and noise that behaves in a Gaussian and

stationary fashion over a given time and frequency range [15–18]. These transients can

adversely impact gravitational-wave (GW) searches both at the detection confidence

level as well as in their source parameter estimation, including localization. [19–26].

Aside from their impact to searches, identification of transient noise may lead to studies

on their coupling mechanism in the detector and subsequent hardware changes that can

help remove or at least reduce such noise sources [27].

The task of identifying transient gravitational-wave candidate events utilizes

the h(t) time-series. It is performed by a variety of transient-finding search

pipelines developed by the LIGO-Virgo-KAGRA collaborations, as well as the broader

community. In this paper, we focus on low-latency searches [28–31]. These searches

are primarily responsible for producing public GCN alerts in close to real time in

order to allow for their multi-messenger follow-up. The LIGO-Virgo-KAGRA (LVK)

collaboration also performs searches offline [30, 32–34] with refined versions of their

online pipelines. Such refinement allows for, among other things, improved sensitivity,
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better noise rejection, although it often comes with higher computational complexity

and slower turn-around times. The broader GW community outside the LVK also

analyses the interferometric data once they become publicly available, with redundant

and complementary results obtained. In the typical searches for compact binary

coalescences, the waveform of such signals can be modelled using post-Newtonian and

numerical relativity methods, thus resulting in a family of signals spanning a space

parameterized by masses and spins of the binaries; this is referred to as template banks.

The various search pipelines employ what is known as match filtering to look forGW

signals in the data, by matching the incoming strain with waveforms in such template

banks [30, 33, 35]. However, the presence of noise transients in the data complicates

this process as they may mask and sometimes mimic a true GW signal [4]. To remedy

this, the search pipelines use a chi-squared test to differentiate the time-frequency

distribution of power in real GW signals and noise transients [36, 37]. Even with all

these precautions, transient noise can trigger a pipeline alert for a GW candidate event,

which consequently has to be retracted. The decision to retract an event is carried out

via human intervention with minimal quantitative analysis.

In this article, we present a tool to distinguish binary black hole (BBH) signals from

transient noise based on the energy distribution in the signal across the time-frequency

plane, as obtained via the Q-transform [38]. In Section 2, we discuss events retracted

during O3. In Section 3, we look at the energy distribution of Gaussian and transient

noise and describe in detail the Q-occupancy (QoQ) test. In Section 4, we discuss its

application on O3 low latency astrophysical candidates and retracted events. In Section

5, we discuss our QoQ test analysis on the Mock Data Challenge (MDC) Injection Data

Set and PyCBC background events. In Section 6, we extend the analysis of Section 4

to events found in offline analysis in O3. Finally we conclude and summarize in Sec 7.

2. O3 retracted events

During the third Observing run (O3), a total of 80 events were identified in low latency,

of which 23 were later retracted as their origin was found to be environmental or

instrumental rather than astrophysical. An additional event was retracted as the alert

was sent out due to an error ‡ [7, 8, 39–41]. Offline re-analysis of the O3 data refined the

admission criteria of astrophysical events, including the requirement of the probability of

an event being astrophysical to be greater than 0.5 and having a False Alarm Rate (FAR)

of less than 2 per day; this led to the GWTC-3 catalog [7]. Of the non-retracted 56 events

identified in low latency, 44 events were also identified by the offline re-analysis and

thus included in the GWTC-3 catalog [7]. A long-term solution to reduce the number

of retractions is to identify the transient noise coupling in the detector and remedy

it by making hardware changes [27]. During O3b, after the reaction chain tracking

was employed at LIGO Livingston Observatory (LLO) and LIGO Hanford Observatory

(LHO) to diminish the slow scattering transient noise, the average fraction of retracted

‡ https://gracedb.ligo.org/superevents/S190405ar/view/
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O3b public alerts before and after dropping from 0.55 to 0.21 [8]. However, reduction

of transient noise is only sometimes possible as the noise originates in the complex

instrumentation and environment of the detector, and new categories of transient noise

may always show up as the sensitivity of the detector improves and new subsystems get

added [42–45]. So, a need for prompt, quantifiable, and automated ability to address

noise transients and their impact on public alerts from the LIGO-Virgo-KAGRA network

remains.
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(a) Retracted event S191117j [46]
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(b) Retracted event S190808ae [47]

Figure 1: Q-transform visualizations of example retracted events from O3. Left : L1

data has a loud glitch at the time of event S191117j [46]. Right : The retracted event

S190808ae do not contain any visible presence of transient noise.

Retracted events during O3 can be broadly classified into two categories: events

with clear evidence of loud transient noise in one or more detectors and low SNR events

with almost no visible presence of transient noise. Fig 1 shows an example from each

category. About half of the O3 retractions belong to the first category. We aim to

separate these false positives from astrophysical transient candidate events. The QoQ

test explained in Section 4 later on in the paper is a method for distinguishing transient

noise from astrophysical events using the Q-transform and the time-frequency pixel-

energy distribution measure that it provides. There has been a growing interest among

researchers in solving such problems [48–50].

3. The Q-transform in gravitational wave data analysis

A commonly used analysis tool for identifying and characterizing transients both in the

gravitational-wave strain channel and in the wealth of auxiliary channels invoked in

the interferometry is the Q-transform [51, 52]. It is a modification of the short Fourier

transform that covers the time-frequency plane with pixels of constant Q (quality factor)

by invoking analysis windows with durations that vary inversely proportional to the

frequency. It can be shown that it is equivalent to a matched filter search for minimum

uncertainty waveforms [38, 53]. A search for gravitational-wave bursts using the Q-

transform was first implemented in the early science runs of initial LIGO [38, 53]. The
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Figure 2: Q-transform pixel-energy distribution comparison of detector data around

noisy, O3 catalog, and quiet times in the LIGO detectors. “Noisy” times are identified

by Omicron as being subject to a glitch while “quiet” times are selected via randomly

sampling times of the LIGO detectors data taking over which no glitch by Omicron

was identified. As compared to quiet times, noise transients or short duration glitches

appear in the tail of the pixel-energy distribution.

implementation of Q-transform as an unknown-morphology transient-finding method

generally tiles the time-frequency plane using a range of quality factors Q. We will refer

to these tiles as pixels. The squared magnitude of their (discrete) Q-transform coefficient

is a measure of the signal energy, and we will refer to it as pixel energy. For white noise,

such pixel energy at a given frequency is exponentially distributed. Transients are

generally identifiable as outliers in the pixel energy distribution via invoking a threshold

and some clustering algorithm in order to achieve a desired false alarm rate on the

assumption of Gaussian (or otherwise directly measured from the data) noise.

This can be seen in Fig 2 where we histogram the energy of all the pixels generated

from a 4s long Q-transform of 16 “noisy” and 16 “quiet” times of the LIGO detectors.

The noisy times refer to ones identified by the Omicron [54] method as having a glitch

of signal-to-noise (SNR) ratio of at or above 6 within such time-window, while “quiet”

times have been randomly sampled from the LIGO detectors data taking corresponding

to livetime over which no glitch has been identified by Omicron.

3.1. Pixel occupancy

Our proposed test for gravitational-wave transient events uses as a discriminant the

fraction (in percentage) of pixels within a few time-frequency volumes that exceed pre-

set values of pixel energy. We refer to this quantity as “occupancy” or “density” of pixels,
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thus the name of our method as “Q-occupancy”, or QoQ. Astrophysical transients of

known morphology, including compact binary coalescences (CBC), have analytically

calculable occupancy values (given the astrophysical source parameters). For those of

unknown morphology, it is a priori impossible to discriminate them from non-Gaussian

noise artifacts via a single QoQ measurement. In this case, in order to utilize QoQ,

some basic (or non) assumptions need to be made on the physics and the detection of

the (unknown morphology) astrophysical signal one is after. Astrophysical signals are

generally louder than Gaussian noise but usually not as loud as the glitches responsible

for the retracted events. As shown in Fig 2, the pixel-energy distribution of the true

events extends beyond the Gaussian noise but not as far as the transient noise. And

the kind of noise artifacts in gravitational-wave interferometers we are primarily gearing

our method to identify has an extended structure in the time-frequency plane and often

exceeds pixel energies expected from astrophysical populations we currently know [15].

This is learned by the noise data the instruments record and its implications to searches

is assessed via standard confusion matrix and Receiver Operating Characteristic (ROC)

analysis under some assumption on the astrophysical signal in consideration.

In this work we utilized the GWpy [55] and Omicron [54, 56] implementation of the

Q-transform. We have used a range of quality factors Q from 4 to 64 and frequencies

from 10 Hz to 1024 Hz to logarithmically tile the time-frequency plane. Analysis of the

h(t) time series via the Q-transform results to “triggers” corresponding to transients

present in the data. Such triggers are described with a few parameters such as the

central event time, central frequency, quality factor Q, and signal-to-noise ratio; we

will use these for the main feature description of the transients we will be analyzing.

Additionally, the full time-frequency decomposition with all pixel energy values across

resolutions is made available and is what we use for deriving the QoQ quantities.

Several options exist on how to define the time-frequency volume over which to

measure QoQ. We first need to pick a threshold on the pixel-energy at or above which

we will consider the pixels as “loud” and thus counted toward the QoQ. We generally

need to pick values above the Gaussian noise level, although the exact threshold has

to be informed by the character of the noise and the corresponding impact on the

misclassification of signals from astrophysical populations. The overall time-frequency

volume over which h(t) is analyzed can vary significantly depending on the astrophysical

search within which noise rejection via this method is being implemented. In this

analysis, we will focus on transient gravitational waves from binary black hole (BBH)

mergers typically lasting from tens of milliseconds to a few seconds. Extension of the

method to other astrophysical populations is straightforward.

We use a duration of 4 seconds set by the scale of BBH events for the Q-transform

and restrict the analysis to the frequency band of 10–1024 Hz. The frequency span of

the search is motivated by the overall frequency content of noise artifacts in aLIGO and

AdV as well as that of the BBH and CBC – in general – signals. This Q-transform is

then sub-divided into n (disconnected, i.e., mutually exclusive) time-frequency regions

spanning the original time-frequency volume. For each of these n regions, the fraction
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(in percentage) of pixels above a given pixel-energy threshold is computed. We will refer

to this fraction as the QoQ value. If the QoQ exceeds a certain threshold in a given

region, we use this to infer that the corresponding region is contaminated with noise.

This procedure is shown as a flow chart in Fig 4.

The method allows for a different QoQ threshold to be used in each of the n sub-

divisions of the time-frequency volume one starts with. In our approach, currently,

any one of such n sub-divisions exceeding the QoQ threshold flags the event for

further inspection. Clearly, more complicated logic can be implemented, making certain

assumptions for the hypothetical astrophysical signal as well as for the noise behavior

that may be targeted via such an approach. This procedure is shown as a flow chart

in Fig 4. There is an additional conceptually different approach in the sub-division of

the original time-frequency volume, namely in m overlapping rather than disconnected

regions. We invoke this approach as well since, as we will show below, it offers a unique

handle in identifying astrophysical events that may be overlapping with noise artifacts.
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Figure 3: Q occupancy distribution of 1 second window surrounding the event time of

O3 online public alerts and O3 retracted events, for different values of pixel-energy

thresholds. The retracted events with clear presence of transient noise have much

higher Q occupancy values compared to the astrophysical candidates. For the O3 online

candidates, the max Q occupancy is below 4, for the retractions the distribution extends

to Q occupancy of much higher than 5 shown here.

To decide the values of pixel-energy and QoQ thresholds to be used in the QoQ test,

we plot the cumulative distribution of QoQ values in the 1-second window surrounding
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the event time of O3 low latency candidates and O3 retracted events. Fig 3 shows this

QoQ distribution of O3 low latency candidates for different pixel-energy thresholds and

of O3 retracted events for a pixel-energy threshold of 60. As we can see from this figure,

in the case of O3 online candidates, for a pixel-energy value of 60, the maximum QoQ

value for the central 1-sec window is 2.0, we use these values as our thresholds for the

pixel-energy and QoQ, respectively for the QoQ analysis on O3 online candidates next.

Figure 4: Flowchart of the QoQ test. Given an event time, the tool makes a 4 second

long Q-transform. We then split the pixel-energy of this Q-transform into multiple time-

frequency regions and apply a pixel-energy threshold. This gives us, for each time-freq

region, fraction of pixels above the pixel-energy threshold i.e. its Q-occupancy. The

next step is to apply a QoQ threshold on each of these regions. If any of these time-freq

regions are above its QoQ threshold, the event is flagged for bad data quality, otherwise

it passes the QoQ test.

4. O3 online candidates analysis

We apply the QoQ test on the O3 online candidates. This set includes 56 non retracted

and 23 retracted events. We first perform the overlapping and non overlapping analysis

individually in 4.1 and 4.2 respectively and then combine the two analyses to obtain the

results shown in Tab 1.

4.1. Overlapping time windows and O3 online candidates analysis

The frequency axis in the Q-transform shown on the left in Fig 5 is divided into three

bands, (10− 100 Hz), (100− 512 Hz), and (512− 1024 Hz) and the time axis into three

windows (-0.5 s, 0.5 s), (-1.0 s, 1.0 s) and (-2.0 s, 2.0 s). The intersection of these time

and frequency windows gives us a total of 9 regions. For each region, we calculate the
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Figure 5: Left : A Q-transform divided into 9 time frequency blocks. These blocks which

are 1, 2 and 4 seconds long are centered at t = 0 and overlap in time. They cover three

frequency bands from 10− 100 Hz, 100− 512 Hz and 512− 1024 Hz. Right : This table

shows the fraction of pixels with energy above the pixel-energy threshold of 60 in each

of the 9 time-frequency regions.

fraction of pixels in the given region with a pixel-energy value above the pixel-energy

threshold. The fractions for each region are shown on the right in Fig 5 for a pixel-

energy threshold of 60. For example, the value 2.3 in the first row and first column

indicates that for the 1-second long window in the frequency band, 10–100 Hz, 2.3

percent of the pixels have pixel-energy above 60. The QoQ values for GW signals are

smaller in comparison, and a suitable threshold can be used to separate the transient

noise-generated false alerts from true GW candidate events.

We use the QoQ thresholds of 2, 1, and 1 for the three time windows t1 = 1

sec, t2 = 2 sec, and t3 = 4 sec respectively. To reduce the chances of flagging a true

GW signal, the threshold on the central 1-sec window is higher as the majority of BBH

signals fall within this. With these QoQ thresholds and a pixel-energy threshold of 60,

9 out of the 23 retractions and 1 of the 56 O3 online transient astrophysical candidates

are flagged. Appendix A contains more details for each of the flagged events by the

QoQ analysis at this stage Fig 6 shows two O3 online events that our method classifies

as noise. More than half of the retracted events do not contain visible glitch activity,

and the QoQ test does not flag these events. Out of 23 retractions, 14 were not flagged

as noise by the QoQ test as they are low SNR events at one or both detectors.

4.2. Non overlapping time windows and O3 online candidates analysis

Another way to create the time-frequency regions in the Q-transform is with windows

that do not overlap in time. Compared to the overlapping analysis, there is no change

in frequency delineation, but the time axis is now split into five windows: (-2.0 s, -1.5

s), (-1.5 s, -0.5 s), (-0.5 s, 0.5 s), (0.5 s, 1.5 s) and (1.5 s, 2.0 s). In this case, we get a

total of 15 time-frequency regions. And again, we calculate the fraction of pixels with a

pixel-energy value above a certain pixel-energy threshold for each region. For example,

fig 7 shows the 15 time-frequency regions with no overlap in time and the QoQ of pixels

for each region using a pixel-energy threshold of 60.

In many cases, environmental or instrumental noise artifacts adversely impact the

data quality a few seconds before or after a GW chirp signal. These events may not be
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(a) S191212q [57] (b) S191213g [8, 58]

Figure 6: Left : The H1 data quality around the time of retracted event S191212q [57]

is impaired by the presence of Scattering glitch. The transient noise is clearly visible in

the Q-transform of H1. Right : The O3 online event S191213g was found with FAR of

1.1 per year in low latency and a public alert was issued. The surrounding data quality

is heavily contaminated with scattered light glitches. The S3 offline analysis did not

identify this event as a significant candidate [8].

Figure 7: Left : A Q-transform divided into 15 time frequency regions. There is no

overlap in time among these blocks. The first time window is half a second long and

extends from -2.0 to -1.5 sec, the next three windows are each 1 sec long and the final

region is again 0.5 secs long and extends from 1.5 sec to 2.0 sec. The division along the

frequency axes is similar to the overlapping case. Right : The table shows the fraction

of pixels with energy above the pixel-energy threshold of 60, for each of these regions.

There is some transient activity in the first one and a half second as seen in the Q-

transform on left, this is reflected in the table on right.

retracted, but they require closer inspection for any noise coupling with the auxiliary

channels. The gravitational waveforms resulting from the merger of binary black holes

are of the order of a few tens of milliseconds to a few seconds in the sensitive frequency

band of ground-based detectors. This means any signal energy outside this time

window can be attributed to a non-astrophysical phenomenon. The non-overlapping

time windows method can be conveniently used to catch such events. Any events for

which the QoQ in the central time window (-0.5, 0.5) is above 2 (same as the overlapping

case) or in any of the non-central windows is above 0 can be flagged for stricter event

validation. In this qualitative way, the non-overlapping time windows method differs

from the overlapping time windows.

The QoQ thresholds used in this case are [0, 0, 2, 0, 0], i.e. events with QoQ above

2% for the central window (t3) or any non-zero value in any of the non-central
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windows will be flagged as transient noise.

The O3 retracted events flagged by this method are the same as those flagged by

the overlapping time windows method shown in 4.1. However, unlike the overlapping

case, this method finds the presence of transient noise in three GW candidates found

in low latency in O3. Unsurprisingly, none of the central time window (t3) values

are flagged since this window is equivalent to the central window (t1) used in the

overlapping method. However, the non-central windows flag a total of three O3 online

astrophysical candidates. All of these three events are real GW signals polluted by

the presence of noise artifacts in their vicinity at one or both detectors. Appendix

A contains more details on these events. During O3, these events were examined for

any potential correlation with the auxiliary channels and underwent a careful process

of offline event validation [59, 60]. To summarize, the non-overlapping time windows

method effectively catches both false pipeline alerts due to transient noise as well as real

astrophysical signals polluted by nearby transient noise.

Based on this analysis, we can use binary decision-making as shown in Fig 8 to

predict the nature of a GW candidate alert. Suppose an event is flagged by both the

overlapping and the non-overlapping time windows analyses. In that case, such an

event is likely a noise transient, and caution should be exercised before disseminating

the information to the public. If the event is only flagged by the non-overlapping time

windows method, then it is likely an astrophysical signal along with some transient noise

nearby. Conversely, if an event is not flagged by the non-overlapping method, then it

is an astrophysical event. Table 1 shows the results of QoQ test on O3 events found in

low latency and O3 retractions at different stages of the flowchart in Fig 8.

Figure 8: To evaluate the data quality of a GW candidate event, we first feed the event

to Non Overlap QoQ test, if the event is not flagged at this stage, it is considered a

“Signal”. However if the event is flagged, it is then analyzed by the Overlap QoQ test.

If the event is flagged at this stage, it is considered a “Noise”, otherwise it is classified

as a “Signal with presence of transient noise”.
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O3 online retractions O3 online nonretracted alerts

Signal 13/23 52/56

Signal + Noise 1/23 3/56

Noise 9/23 1/56

Table 1: Of the 23 O3 retracted public alerts, the QoQ test classified 9 as “Noise” and 1

as “Signal + Noise”. Out of the 56 O3 low latency astrophysical events, 3 were classified

as “Signal + Noise”, and 1 event was flagged as “Noise”. A visual inspection supports

this classification. Appendix A contains more details on these flagged retracted and O3

low latency events.

5. MDC Data and PyCBC background analysis

5.1. MDC Data

To more robustly assess the QoQ test response to GW events, we analyze a set of BBH

injections. We use the injection set from the O3 Mock Data Challenge (MDC). This

MDC set contains signals injected in the O3 LIGO Livingston (LLO) and LIGO Hanford

(LHO) data between Jan 1, 2020, and Feb 14, 2020. The dataset contains injections with

source frame masses between 1 M� and 100 M�, injected isotropically in the sky. The

purpose of these injections is to evaluate the detection efficiency of the search pipelines,

perform latency and alert generation checks as well as test source parameter estimation.

The MDC injections will thus allow us to perform end-to-end testing of the low latency

search pipelines in preparation for O4 [61, 62]. Since the bigger goal of these MDC

injections is to check pipeline consistency, the distribution of their source properties is

not astrophysical. Compared to the catalog events, there is an excess of low luminosity

distance, and high mass events, as shown in Fig 9. We will correct for this when we

draw conclusions for our QoQ method, as ultimately, we need to assess the performance

on the astrophysical population.

To isolate the injection and background data for binary black hole coalescences, we

use the thresholds: m1 > 5 M� and m2 > 5 M� where m1 and m2 refers to primary

and secondary mass with m1 > m2. To ensure the high significance of events, we also

use injection events with ρ > 5 where ρ represents the signal-to-noise ratio. With

these cuts, we get a total of 1354 MDC Injections. Since the MDC waveforms were

injected into the O3 data, some of them are polluted by the presence of very high SNR

glitches near them. To enhance the purity of this dataset, we removed those injections

that contained omicron transients with SNR above 50 within a 3-second window of the

injection time. This reduced the size of the injection set marginally from 1354 to 1331

injections. Finally, we apply a threshold on network SNR of ρnet > 10 to characterize

found injections [63]. This brings the total number of mock injections to 1053. Next, as

shown in Fig 9 the MDC injection set consists of high mass and low luminosity distance

events and does not match the expected astrophysical distribution. To obtain a set
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Figure 9: Joint plot distribution of the source chirp mass and source luminosity distance

of the Catalog events and the MDC injections. The MDC set contains multiple injections

at much lower luminosity distance and much higher chirp mass compared to expected

values from an astrophysical population.

that more closely resembles an astrophysical population, we use Importance Sampling

described next.

5.2. Importance Sampling

Say we would like to calculate the expectation value of a random variable f(x), where x

is a random vector. Assuming continuous distribution and p(x) the probability density,

we can write the expectation value as:

µf =
∫
f(x)p(x)dx (1)

Now, let’s say we have another distribution defined by the probability density q(x),

and we would like to calculate µf by drawing samples from this new distribution q(x).

Given that q(x) 6= 0 whenever f(x)p(x) 6= 0, we can take the above equation and modify

it as:

µf =
∫ f(x)p(x)

q(x)
q(x)dx (2)

The ratio p(x)
q(x)

weights the samples from this new distribution. Certain elements

from q(x) have a higher impact or they are more “important” and the weights emphasize

these elements while sampling. Essentially, this allows to calculate the expectation value

of samples drawn from q(x) by adjusting their importance with respect to the original
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distribution p(x) [64]. So for samples X1....Xn the importance sampling algorithm can

be written as:

µ̂ =
1

n

n∑
i=1

f(Xi)p(Xi)

q(Xi)
(3)

In our case, the p(x) and q(x) refers to the Catalog and MDC Injections respectively

and f(x) is the QoQ test function as shown in Fig 8. We use luminosity distance and

source chirp mass to generate the kernel density estimate, and so we can rewrite the

above equation as:

µ̂ =
1

n

n∑
i=1

fQoQ(Xi, Yi)pcat(Xi, Yi)

qmdc(Xi, Yi)
(4)

An MDC injection sample whose luminosity distance and source chirp mass closely

resembles the respective distributions of Catalog events is assigned a higher weight as

opposed to injections that do not. This way, we can sample all the MDC injections and

calculate the weight-adjusted expectation value.

To calculate the density estimate, we use a Gaussian kernel:

K(x, y) =
1

2πwxwy

1

n

n∑
i=1

exp

[
−(x− xi)2

2w2
x

− (y − yi)2
2w2

y

]
(5)

where wx and wy are the bandwidth values.

5.3. Q-occupancy analysis of BBH data

Each event follows the steps outlined in the flowchart shown in Fig 8. For each MDC

injection, we first calculate its weight pcat(Xi,Yi)
qmdc(Xi,Yi)

. We then apply the QoQ test on this

event as outlined in Fig 8. Any event that is not flagged by the nonoverlap method

is classified as a “Signal”. Any event that fails to pass the nonoverlap method then

goes through the overlap method. If the event is flagged at this stage, it is then

classified as “Noise”, otherwise, it is classified as “Signal + Noise”. We use a total

of three sets of QoQ thresholds, Thresh A, Thresh B and Thresh C. The non overlap

and overlap Q occupancy threshold values for Thresh A, Thresh B and Thresh C are

([0, 0, 2, 0, 0],[2, 1, 1]), ([0, 0, 3, 0, 0],[3, 1, 1]) and ([0, 0, 4, 0, 0],[4, 1, 1]) respectively. The

fraction of events flagged at each stage of Fig 8, for each set of QoQ thresholds is shown

in Table 2.

Ideally, we would not misclassify a true gravitational-wave signal as noise. There

are multiple reasons why a small percentage of MDC injections are classified as noise.

These chirp signals were injected into the actual O3 data from LLO and LHO. And so,

a number of these signals are polluted by the presence of noise transients near them.

The Q-transforms of the injection events that are flagged by the non-overlap method

but not by the overlap method reveal the presence of nearby transient noise along with

the chirp morphology.
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Injections Background

Thresh A Thresh B Thresh C Thresh A Thresh B Thresh C

Signal 95100.0
88.9 % 95.6100.0

89.5 % 96.2100.0
90.2 % 52.755.1

50.2% 55.157.5
52.6% 57.259.6

54.7%

Signal + Noise 2.93.7
2.0% 2.33.2

1.4% 1.72.6
0.8% 4.25.2

3.2% 4.15.1
3.1% 4.15.1

3.1%

Noise 2.12.7
1.5% 2.12.7

1.5% 2.12.7
1.5% 43.145.5

40.6% 40.843.2
38.4% 38.741.0

36.3%

Table 2: This table shows the results on MDC Injections and PyCBC background data

for pixel-energy threshold of 60 and QoQ threshold values of 2, 3 and 4 (Thresh A,

Thresh B and Thresh C respectively). For QoQ threhsold of 2, the test classifies 95%

of the Injection data as “Signal”, 2.9 % as “Signal + Noise” and 2.1 % as just “Signal”.

The lower and upper limits cover the 95 % confidence interval for these values. Figure

13 shows these results for other values of pixel-energy thresholds.

For the Thresh A case, about 2.0% of the injection events are classified as noise.

Since these events come from the injection set, this fraction represents the false positive

in our analysis. Fig 10 compares the Network SNR of these flagged injections with the

GWTC Catalog. As we can see from this comparison, these flagged MDC injections

are very loud, and their SNR distribution does not resemble the distribution expected

from a set of astrophysical events [65]. The importance sampling weight of all these

events is below 1. Furthermore, Fig 11 shows the Q-transforms of the three categories

of injections flagged at different stages of the QoQ test (“Signal”, “Signal + Noise”, and

“Noise”).
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Figure 10: About 2% of the MDC injections were classified as “Noise” by the QoQ test.

This figure shows the network SNR distribution comparison between these injections

flagged as “Noise” and Catalog events. The histogram is normalized so that the area

under each distribution sums to 1. These flagged injections have a much high network

SNR, not expected from astrophysical signals.
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Figure 11: Q-transforms of BBH injections analyzed at different stages in the Fig 8.Top

left : An MDC injection classified as “Signal” by the QoQ test. This event is not flagged

by the non overlapping analysis. About 95% of the MDC injections are classified as

“Signal” by the QoQ test. Top right and Bottom left : These two injections are flagged

by non overlapping analysis but not by overlapping, and are classified as “Signal +

Noise”. For both of these injections, we can observe the presence of transients in the L1

data. About 3% of the MDC injections are classified in this category by the QoQ test.

Bottom right : This injection is classified as noise due to its very high energy content.

About 2% of the MDC injections were classified as “Noise” by the QoQ test.

5.4. PyCBC Background

In order to assess the QoQ’s test ability to reject false pipeline alerts, we analyze a set

of background events generated by PyCBC [32, 35]. We use the PyCBC-broad analysis

from GWTC PyCBC is a matched filtering pipeline that identifies triggers by finding

peaks in the matched filter SNR between the data and a template bank of waveforms.

Events are then constructed by matching coincident sets of these triggers in the detector

network. Each event is compared to a background to assess the false alarm rate.

Background events are constructed through time shifts, where the triggers from

one detector are shifted in time by more than the gravitational-wave travel time

compared to other detectors, breaking the astrophysical coincidence. The background

events we use come from the PyCBC-broad analysis of the first half of the third LVK

observing run, O3a. These analyses were used to produce results in GWTC-2.1 [7].

We use the PyCBC ‘exclusive’ background only, meaning any triggers which appear

in the un-shifted coincident sets of triggers are not used, ensuring the background is

not contaminated by potential astrophysical signals. These background events mimic

possible false coincidences that could appear during an online observing run, providing

a useful data set to evaluate the QoQ test.

To obtain the background data for binary black hole coalescences, we use the

thresholds: m1 > 5 M� and m2 > 5 M� where m1 and m2 refers to primary and

secondary mass with m1 > m2. And similar to MDC injections, to ensure the high

significance of events, we use background events with ifar > 50 years where ifar is the
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inverse false alarm rate. With these cuts, we get a total of 1591 PyCBC background

coincidences. The importance sampling is not required for the background data since

they are not astrophysical events and are not expected to match the astrophysical

distribution of source properties.

5.4.1. Analysis of BBH Background flagged as noise Depending on the Q-occupancy

threshold, Table 2 shows that the test flags between 39% and 43% of the background

events as noise, while between 53% and 57% are classified as “Signals”. As mentioned

earlier in Section 2, O3 retractions events fall into two main categories: events with

a clear presence of transient noise and low SNR events with no visible transient

noise present. The majority of the background coincidences not flagged by the Q-

occupancy test belong to this latter category of events. Fig 12 shows pixel-energy

comparison of flagged and unflagged background coincidence. The Q scans of these

unflagged background coincidences do not contain considerable noise above the pixel-

energy threshold of 60 and thus were not picked up by the Q-occupancy test. However,

since the background events have ifar > 50 years, these are considered highly significant

events by the PyCBC search pipeline. With a Q-occupancy threshold of 2 and pixel-

energy threshold of 60, the QoQ test flagged 43% of BBH background as “Noise”. This

is very consistent with the amount of O3 retractions classified as “Noise” by the QoQ

test, as shown in Table 1. This suggests that we can expect QoQ test to flag similar

percentage of false positives in O4.
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Figure 12: A comparison of distribution of mean pixel energies between unflagged

background events and background events flagged as noise by the QoQ analysis.

6. O3 offline analysis

In Table 1 we compare the results of the QoQ test on O3 retracted events with non-

retracted events found in low latency. Now we extend this comparison to include the
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Figure 13: Here we show the variation in MDC Injections classified as “CBC” and

PyCBC background classified as “Noise” as we change the pixel-energy threshold and

Q-occupancy threshold values. The 95 % confidence interval error bars are shown for

Q-occupancy threshold of 2. Left : As we increase the pixel-energy threshold, a larger

fraction of injections are classified as “CBC”. However, after pixel-energy threshold of

60, this change is rather small. Right : As expected, increasing pixel-energy threshold

results in smaller percentage of background events classified as “Noise”.

O3 online retractions O3 online non retracted O3 Catalog events

Signal 13/23 52/56 67/74

Signal + Noise 1/23 3/56 7/74

Noise 9/23 1/56 0/74

Table 3: In this Table, we show the results of QoQ classification on O3 events that

include offline and online events and on O3 Catalog events, along with the retracted

events. Appendix A contains more details on the O3 events classified as Signal + Noise,

and as Noise by the QoQ test.

events in O3 Catalog. As opposed to online analyses, offline analyses use cleaner and

better-calibrated data over which the search is performed. This leads to offline events

not found in online analyses since more computationally extensive methods can be used

on an improved dataset. Also, some of the events found in low latency may not pass

the thresholds of FAR and/or p-astro and thus do not appear in the Catalog list. The

catalog events list contains a total of 74 candidates, 44 of which are found in low latency

and 30 in offline analyses [7, 8]. Tab 3 shows the results on this full set of events from O3.

Out of the 74 events in O3 catalog list, the QoQ test classifies 7 of these events as Signal

with presence of transient noise, while none of the events are classified as just noise. In

the Q scans plotted in A2 we can see the presence of transient noise near the candidate

time for each of these 7 events. Astrophysical candidates polluted with nearby transient

noise require a more careful event validation to rule out their instrumental origin [15].
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7. Discussion

The presence of short-duration transient noise adversely impacts the quality of

gravitational-wave strain data. The origin of these transients is in the complicated web

of detector hardware, and it is often challenging to find their exact source. Apart from

masking the GW signal morphology, the non-Gaussian transient noise may sometimes

mimic the astrophysical signals and end up as search pipeline detection candidates. It

is thus essential to build the ability to identify and characterize potential noise artifacts

in real time so that false public alerts can be reduced. Our QoQ method approaches the

classification problem from first principles on how excess power in a time-frequency

decomposition is expected to appear for astrophysical signals vs noise and derives

straightforward criteria to separate events into three (mutually exclusive) categories:

signal, noise, and signal plus noise. Few analysis parameters allow the method to tune

to specific astrophysical sources and/or noise artifacts. The application of the method

we described here is within the context of binary black hole candidate events as they are

identified by matched filtering (or otherwise) detection algorithms. Our analysis starts

with the Q-transformation of the strain data and thresholds on the signal energy of

the time-frequency pixels. Then it uses the pixel occupancy over several time-frequency

windows in order to perform the classification problem. We tested QoQ extensively with

both simulated GW waveforms the LIGO-Virgo-KAGRA Collaborations introduced as

part of testing the low-latency alert infrastructure [61] as well as background data from

the search for binary black holes with PyCBC in O3 [32]. This allowed us to explore

various options for pixel energy thresholds and actual pixel occupancy ones, leading to

ROC curves.

The application of our method in the above dataset was mostly geared in minimizing

the false dismissal of GW-like events while maximizing the rejection of noise. While

there is room for further optimization, our present choice of analysis thresholds leads to

over 40% reduction of the background (noise) while misidentifying as noise about 2%

of GW-like signals. These numbers are consistent with what we obtain when applying

QoQ on actual public alerts that were issued by the LIGO-Virgo-KAGRA collaboration

in real-time during O3 as well as with events in the O3 catalog as published by the

LIGO-Virgo-KAGRA collaborations [8]. The ability to reject additional noise events

with QoQ (and beyond the efficacy we currently have) faces challenges as about half

of the noise and/or background events show little signal energy (Signal-to-Noise-Ratios

below 10) in their time-frequency decomposition.

It is an efficient algorithm to run in real-time and integrate into workflows for

astronomical alert generation, mostly in the form of preventing false alerts from

dissemination. Additionally, its ability to identify the simultaneous presence of

signal and noise within an analysis window can facilitate the workflow of further

denoising/deglitching as well as follow-up GW parameter estimation analyses. The

occurrence of transient noise (glitches) may introduce biases in the parameters estimated

for a given GW candidate [8, 21, 24, 25, 66]. The ability to quantify and identify



20

automatically such types of events will further assist their analysis with parameter

estimation techniques. The enhanced sensitivity of the GW detectors in O4 will result

in an increased rate of both the GW candidates and likely new sources of noise transients.

Tools such as QoQ will be helpful in improving the purity of resulting real-time alerts.
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Appendix A. QoQ analysis of O3 Catalog and retracted events

IFO Freq band [Hz] t1 t2 t3 t4 t5 QoQ Flag Superevent

L1 10− 100 42.0 78.7 19.8 10.8 0.0 Noise S200308e [67]

L1 10− 100 0.0 0.0 17.2 5.1 0.0 Noise S200108v [68]

L1 10− 100 0.0 0.0 0.0 1.4 5.1 Noise S190405ar [69]

H1 10− 100 0.0 0.6 2.3 0.0 0.0 Noise S191212q [57]

H1 10− 100 24.0 34.8 24.6 0.0 0.0 Noise S200106av [70]

L1 10− 100 7.1 6.0 1.7 0.0 0.0 Noise S200106au [70]

L1 10− 100 0.0 23.3 22.0 0.0 0.0 Noise S191117j [46]

L1 10− 100 0.0 24.6 0.2 0.0 0.0 Noise S191120at [71]

L1 10− 100 0.0 0.0 2.5 0.0 0.0 Noise S200116ah [72]

L1 10− 100 0.0 0.3 1.1 0.0 0.0 Signal + Noise S191220af [73]

Table A1: QoQ Non Overlapping method analysis of the retracted events. The table

shows the pixel occupancy values of the flagged retracted events. The first nine events

in this table were also flagged by the Overlapping method, as shown in Fig 8 and thus

are classified as “Noise” by the QoQ test. The last event S191220af was only flagged by

the Non-Overlapping method and is thus classifed as “Signal + Noise”.

IFO Freq band [Hz] t1 t2 t3 t4 t5 QoQ Flag Superevent

L1 10− 100 2.0 0.7 0.0 0.0 0.0 Signal + Noise S190513bm [8, 74]

H1 10− 100 0.1 0.1 0.0 0.0 0.0 Signal + Noise S191109d [8, 75]

L1 10− 100 0.0 0.0 0.0 0.3 0.0 Signal + Noise S200224ca [8, 76]

H1 10− 100 0.0 0.0 0.0 0.0 0.4 Signal + Noise S191127p [8]

L1 10− 100 0.0 0.0 0.0 0.0 0.5 Signal + Noise S200216br [8]

H1 10− 100 0.0 1.7 0.0 0.0 0.0 Signal + Noise S190803e [8]

L1 10− 100 1.9 0.4 0.0 0.0 0.0 Signal + Noise S190514n[8]

L1 10− 100 8.6 3.7 0.0 1.3 2.5 Noise S191213g[8, 58]

Table A2: QoQ Non Overlapping method analysis of the O3 Catalog events. The table

shows the pixel occupancy values of the 7 out of the 74 Catalog events classified as

“Signal + Noise” and 1 out of the 56 O3 online events classified as “Noise” by the QoQ

test. The candidate names in bold were not reported in low latency and were found

in offline analyses. None of these 7 events were flagged by the Overlapping method, as

shown in Fig 8 and thus are classified as signal with transient noise. 4 of these events

(S190513bm, S190514n, S191109d and S191127p) required noise mitigation [8, 59]. The

last event in the table, S191213g was classifed as “Noise” as the L1 data is contaminated

by scattering noise just before and after the event time.
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Figure A1: O3 retracted events flagged as “Noise” by QoQ test. The last event

S191220af is classfied as “Signal + Noise”.
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(a) S190513bm (b) S190514n

(c) S190803e (d) S191109d

(e) S191127p (f) S200216br

(g) S200224ca (h) S191213g

Figure A2: O3 Catalog events flagged as “Signal + Noise” and “Noise” by QoQ test.

The first 7 events shown here are classified as “Signal + Noise” while the event S191213g

is classifed as “Noise” due the presence of high SNR scattering arches in the data.
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Abelian-Higgs cosmic strings:
effective action and particle
radiation
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Abstract. We utilized the duality between massive vector and massive Kalb-Ramond fields
to derive an effective action for Abelian-Higgs cosmic strings. This enabled us to determine
the classically renormalized string tension and facilitate calculations for back-reaction effects.
Additionally, we derived a comprehensive expression for the energy flux of radiation emitted
by Abelian-Higgs cosmic strings. Applying this equation to a cuspless loop, we obtained that
the loop lifetime is proportional to the square of the loop length, which is in agreement with
field-theory simulations.
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1 Introduction

Soliton-like solutions emerge in various field theory models, such as quantum chromodynam-
ics, extensions of the standard model of particle physics, condensed matter, and high-energy
physics of the early universe [1–3]. In the context of cosmology, the study of one-dimensional
topological solitons, known as cosmic strings, holds significant interest due to their properties
and their potential presence in different scenarios during the early stages of the universe [4–7].

Understanding the dynamics of these non-linear objects is a difficult task. Hence, lattice
field theory simulations are commonly employed as a computational tool. However, simulat-
ing cosmic strings evolving in the expanding universe presents particular difficulties, as the
simulations must simultaneously capture the details of a tiny string core and the vast area
of the Hubble volume. Numerous numerical approaches in field theory try to obtain realistic
results in simulations that encompass such contrasting scales [8–13], mostly relying on the
simplest models1 that correspond to global and local U(1) symmetry breaking.

An alternative simulation method approximates cosmic strings as infinitely thin and
describes them using a Nambu-Goto action [27–30]. This approach enables more detailed
simulations on a larger scale. Nevertheless, the reliability of this approximation remains
uncertain as it neglects back-reaction and radiation inherent in the original field theory model.
A recent numerical study comparing Nambu-Goto and Abelian-Higgs strings suggests that
the discrepancy clearly arises in regions of strings with high curvature [31].

Accurate modeling of cosmic string dynamics and the evolution of their network is
essential for accurate prediction of possible observational signals. Currently, gravitational
lensing [32–34], anisotropies in the cosmic microwave background [35–40] and the stochastic
gravitational wave background [41–45] serve as the most sensitive probes for detecting the

1We would like to point out that the realistic picture of possible phase transitions in the early universe might
be much more complicated. In particular, one can anticipate the presence of superconductivity [14, 15] and
Y-junctions [16, 17], which play a significant role in the evolution of cosmic strings [18–21] and corresponding
observational signals [22–26].

– 1 –



presence of cosmic strings. Such knowledge allows for constraints to be imposed on high-
energy models of the early universe through topological defects [46–50].

In this paper, we focus our attention on local Abelian-Higgs cosmic strings. We organize
our study as follows: In Section 2, we construct an effective action employing the duality
between massive vector and massive Kalb-Ramond fields. This model yields a classically
renormalized string tension and enables the calculation of back-reaction, which we present in
Section 3. Section 4 discusses the description of massive radiation, focusing on the particular
example of cuspless loops. We compare our findings with recent results on simulations of
massive radiation from Abelian-Higgs strings [51, 52]. Finally, in Section 5, we conclude and
propose further steps that may be of interest for the newly developed formalism.

Throughout the paper we define a 4-dimensional metric by gµν with the signature
(+,−,−,−), where all Greek indexes run over space-time dimensions. Latin indexes in the
middle of the alphabet (i, k, . . . ) run over spatial coordinates, while the first letters (a, b, c, d)
run over 2-dimensional string worldsheet coordinates.

2 Effective model of Abelian-Higgs cosmic strings

It is known that the global U(1) cosmic string model can be represented effectively via Nambu-
Goto action coupled to a massless Kalb-Ramond field [53, 54]. In this section, we demonstrate
that similarly to global strings one can obtain that the local U(1) Abelian-Higgs strings are
effectively described by Nambu-Goto action coupled to a massive Kalb-Ramond field.

2.1 Duality between massive vector and massive Kalb-Ramond fields

Let us consider the Abelian-Higgs model, which is given by the action

S =

∫ (
Dµϕ (Dµϕ)∗ − 1

4
FµνFµν −

λ

2
(η2 − |ϕ|2)2

)√
−g d4x, (2.1)

where g is a metric determinant, λ and η define the shape of potential, Dµ = ∇µ − ieAµ
is the gauge covariant derivative, Aµ is electromagnetic 4-potential, Fµν = ∇µAν − ∇νAµ
is electromagnetic tensor and ∇µ is a covariant derivative for curved space-time. According
to the Kibble mechanism [55], the Lagrangian (2.1) can give rise to topological string-like
defects. Perturbation of the action (2.1), around the minimum of potential

(
ϕ = η + ϕ1+iθ√

2

)
,

leads to
S =

∫
(Lbr + Lint)

√
−g d4x, (2.2)

where
Lbr =

1

2
∂µϕ1∂

µϕ1 − λη2ϕ2
1 −

1

4
FµνFµν + e2η2ÃµÃ

µ,

Lint includes higher order terms of ϕ1 and Aµ and the vector field Ãµ = Aµ− 1√
2eη
∂µθ acquired

mass M =
√

2eη. By adding a divergence term to the action (2.2) and using equations of
motion for the Proca field, one can obtain Hamiltonian for the vector part of the action (2.2)2

H = −πµπµ +M2Ã2
0 − Lbr, (2.3)

where πµ = Fµ0 is a canonical momentum. If there is no explicit time dependence in
Hamiltonian, it is possible to carry out canonical transformations substituting Lbr(Ãµ) by

2We follow the method of ref. [53].
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LKR(Bµν) with the corresponding change of canonical coordinates Ãµ → Bµν and momenta
πµ → Πµν = ∂LKR

∂Ḃµν
. To perform this canonical transformation we define3

Ãµ ≡ 1

3!eη
EµνλρHνλρ, Fµν ≡ eη

2!
EµνλσBλσ, (2.4)

where Eµνλρ = εµνλρ√
−g is a Levi-Civita tensor, and the field Bµν is a massive Kalb-Ramond

field obeying equations of motion

1√
−g

∂µ

(√
−gHµνλ

)
+BνλM2 = 0, (2.5)

where Hµνλ = ∇{µBνλ} ≡ ∇µBνλ +∇λBµν +∇νBλµ.
Substituting relations (2.4) into eq. (2.3) and subtracting divergence term∼ ∂ρ (

√
−gHµνρBµν)

from the Lagrangian, we obtain the canonically transformed Hamiltonian in terms of new
variables

H = ΠµνΠµν − 2M2B0νB
0ν − LKR(Bµν), (2.6)

where Πµν = H0µν and

LKR(Bµν) =
1

6
HµνηHµνη −

1

2
M2BµνBµν . (2.7)

Corresponding action (2.2) takes the form

S =

∫ (
1

2
∂µϕ1∂

µϕ1 − λη2ϕ2
1 +

1

6
HµνλHµνλ −

M2

2
BµνBµν + Lint

)√
−g d4x. (2.8)

We showed that in the same way as for massless scalar field [53], it is possible to carry out
canonical transformation to obtain a massive Kalb-Ramond field starting from a massive
vector (Proca) field [63, 64]. This duality holds in a case of quantum consideration as well
[65].

2.2 Effective action for Abelian-Higgs strings

The action (2.8) describes perturbed fields around the vacuum. The complex scalar field
acquires the vacuum expectation value ϕ→ η (up to a phase factor) far away from the string
core and tends to zero ϕ → 0 inside the string core. Thus, the vector field Ãµ (which has
dual representation by Kalb-Ramond field) becomes massive outside of the cosmic string and
massless inside the string core. To estimate the radius of the string we use the Compton
length: δs ∝ m−1

ϕ ∝ (
√
λη)−1, while the radius for the vector (or Kalb-Ramond) field is

δv ∝M−1 ∝ (eη)−1 (details can be found in [4]). The relation between masses M and mϕ is
usually defined by parameter β ≡ mϕ

M =
√
λ
e . Depending on parameter β we anticipate bigger

or smaller contribution from the Kalb-Ramond field to dynamics of cosmic string.
Let us obtain the effective Lagrangian for thin cosmic strings interacting with the Kalb-

Ramond field. The 4-potential of the vector field is connected with the magnetic flux of cosmic
string by integration over the path around the string

∮
Aµdx

µ = 2π ne , where n is the number
of windings. Using relations (2.4) and approximation for infinitely thin string, described for

3The arbitrary coefficient of transformations in eq. (2.4) was chosen in a such way that the final effective
Lagrangian has the massless limit coinciding with the standardly used in the literature [53, 54, 56–60], but
different from the one used in refs. [61, 62].
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instance in [4], one concludes that equations of motion for massive Kalb-Ramond field (2.5)
should have a source term Jνλ of the following form [56]

1√
−g

∂µ

(√
−gHµνλ

)
+BνλM2 = −4πJνλ ≡ −2πη

∫
δ(4)(xµ −Xµ(σ, τ))dσνλ, (2.9)

where dσνλ ≡ εabXν
,aX

λ
,bdσdτ is an element of a string worldsheet, which is parametrized by

σa ≡ (τ , σ) variables, Xµ
,a ≡ ∂Xµ

∂σa and η appears due to integration out the field ϕ1 modes.
Hence, the full expression for effective Lagrangian has the form

SEff =

∫
HµνλHµνλ

6
d4x−

∫
M2BµνBµν

2
d4x− µ0

∫ √
−γdσdτ − 2πη

∫
Bµνdσ

µν , (2.10)

where γ = det [γab] = det
[
Xµ
,aXν

,bgµν

]
and the string tension µ0 ∼ η2. It is worth noting that

while the transformations (2.4) do not hold for the massless limit M → 0, the effective action
has a correct limit reproducing the case of global cosmic strings.

3 Equations of motion and renormalization of tension

In this section, we will use Green functions to evaluate string renormalization and a back-
reaction for the Abelian-Higgs model of cosmic strings.

3.1 Green functions for massive Kalb-Ramond field

To understand the evolution of the Kalb-Ramond field, we need to study the equations of
motion (2.9). For this purpose, we choose Lorenz gauge conditions [66]

∇µBµν = 0. (3.1)

Thus, from (2.9) one obtains

∇µ∇µBνλ+
(
gνρBλσ + gλρBνσ

)
Rσρ+B

σµ
(
gνρRλσµρ − gλρRνσµρ

)
+M2Bνλ = −4πJνλ, (3.2)

where Rµν is a Ricci tensor and Rλµνσ is a Riemann tensor. Hereinafter we will be considering
only a local reference frame that coincides with Minkowski space, i.e. we neglect all possible
corrections caused by space-time curvature. In that case, equations (3.2) reduce to

∂µ∂
µBνλ +M2Bνλ = −4πJνλ. (3.3)

Solution of (3.3) has the form

Bνλ(x) = Bνλ
0 (x)− 4π

∫
GM (x− x′)Jνλ(x′)d4x′, (3.4)

where Bνλ
0 is a homogeneous solution and the Green function GM (x− x′) is given by

GM (x− x′) = − 1

(2π)4

∫
e−ik(x−x′)

k2 −M2
d4k. (3.5)
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Introducing infinitesimal parameter we can carry out integration (see chapter IV.4 of [67] for
details):

Gr,aM (x− x′) = ∓ iθ(±∆t)

(2π)2

∫ ∞
−∞

eikr
sin(ω∆t)k dk

ωr
=

=
θ(±∆t)

2π

[
δ(∆t2 − r2)− M

2
√

∆t2 − r2
J1(M

√
∆t2 − r2)θ(∆t2 − r2)

]
,

(3.6)

where the upper sign for retarded and lower for advanced Green functions, r = |x − x′|,
∆t = t − t′, k = |k|, ω =

√
k2 +M2 and J1(x) is a Bessel function of the first kind. In the

case of an infinitely big mass of radiation, M → ∞, advanced and retarded Green functions
become zero. This fact follows from the relation

lim
M→∞

M

2x
J1(Mx)θ(x2) = δ(x2), (3.7)

which is proven in appendix A.1 of ref. [68].
We can separate radiation from self-interaction using the method of refs. [58, 69]. To

obtain radiation, we subtract advanced from retarded Green function to satisfy homogeneous
part of eq. (3.3), while the sum provides self-field:

Grad =
1

2
(GrM −GaM ) =

ε(∆t)

4π

(
δ(42)−MJ1(M4)

24
θ(42)

)
,

Gself =
1

2
(GrM +GaM ) =

1

4π

(
δ(42)−MJ1(M4)

24
θ(42)

)
,

(3.8)

where the vector 4µ = xµ −Xµ(σ, τ), 4 =
√

∆t2 − r2, ε(x) = θ(x) − θ(−x). Choosing the
homogeneous part of the solution Bµν

0 to satisfy boundary conditions and using the form of
the source (2.9) with (3.8), we can write the radiation and self-field solution as

Bµν
rad = −η

2

∫
ε(∆t)V µνG̃(4)dτdσ, Bµν

self = −η
2

∫
V µνG̃(4)dτdσ, (3.9)

where
G̃(4) = δ(42)− M

2

J1(M4)

4
θ(42) (3.10)

and V µν ≡ εab∂aXµ∂bX
ν .

3.2 Renormalization of the string tension

To see how the massive Kalb-Ramond field affects the string tension, we should plug the
expression for self-field Bµν

self , given by eq. (3.9), into the action (2.10). Considering only the
last term of (2.10) in the similar method as in refs. [59, 70] we can write down

Sself = −πη2

∫ (∫
Vµν(τ̃ , σ̃)G̃(4̃)dτ̃dσ̃

)
V µν(τ, σ)dτdσ, (3.11)

where 4̃2
= (X(τ, σ)−X(τ̃ , σ̃))2. We assume that the cosmic string segment represented by

(τ̃ , σ̃) is close to the point of interest with (τ, σ), so we can perform an expansion in terms
of s = σ − σ̃ and t = τ − τ̃ variables. In particular,

4̃2 ≈ Ẋ2(τ, σ)t2 +X ′ 2(τ, σ)s2 (3.12)
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and

Vµν(τ̃ , σ̃)V µν(τ, σ) ≈ Vµν(τ, σ)V µν(τ, σ) = εabXµ
,aX

ν
,bε

cdXρ
,cX

λ
,dgµρgνλ = 2γ, (3.13)

where we used the temporal string gauge4

X0 = τ, ẊµX ′µ = −Ẋ ·X′ = 0, (3.14)

Ẋµ ≡ ∂Xµ

∂τ , X ′µ ≡ ∂Xµ

∂σ . Using expansions (3.12) and (3.13), we can write down the self-
interaction term in the following way

Sself = 2πη2

∫ √
−γ∆µdτdσ, where ∆µ =

√
−γ
∫
G̃(4̃)dtds, (3.15)

leading to a classically renormalized tension: µ = µ0 + 2πη2∆µ. To obtain an explicit form
of ∆µ we use the expression∫

δ
(
Ẋ2t2 +X ′ 2s2

)
dtds− M

2|Ẋ|

∫
J1(p)θ(p2)√
p2 + a(s)2

dpds =
1√
−γ

∫
e−a(s)

s
ds, (3.16)

where p = M
√
Ẋ2t2 +X ′ 2s2, ε =

√
x′ 2

1−ẋ2 , a(s) ≡ sM |x′| and we used the property of delta

function δ(f(x)) = δ(x)
|f ′(x)| for the first integral, while for the second one we used the integral

relation
∫∞

0
J1(x)√
x2+a2

dx = 1−e−a
a [71]. Hence, using the expression (3.16), we obtain that ∆µ

is given by

∆µ =

∫ ∆s

δs

e−sM |x′|

s
ds = Ei(−M∆s|x′|)− Ei(−Mδs|x′|), (3.17)

where Ei(...) is the exponential integral and we introduced two renormalization scales: δs -
the size of a string core and ∆s - the size of cut off, corresponding to the string length (see
discussion in section II.E of ref. [58]).

There are two asymptotic cases when M → 0 and M → ∞, for which the tension
renormalization in (3.17) reduces to

lim
M→0

∆µ = log

(
∆s

δs

)
, and lim

M,∆s→∞
∆µ ≈ β e

−|x′|/β

|x′|
, (3.18)

were the first expression reproduces the result for global strings [58, 59, 61]. The second
expression in eq. (3.18) represents the string tension renormalization for large values of M
and ∆s. We notice that it does not diverge when |x′| → 0 because of the determinant in the
definition of the action (3.15). As we see from eq. (3.18), the tension renormalization (3.17)
is finite when ∆s →∞ in contrast to the global string case. Equation (3.17) also shows that
the renormalized tension varies along the string reaching the maximum value, which is the
same as for the global one, at kinks and cusps.

One can try to obtain the back-reaction effect for Abelian-Higgs cosmic strings similarly
to the approach in refs. [58, 61]. However, it is impossible to write down a local equation
with back-reaction corrections. As was pointed out in ref. [68] for the case of massive radia-
tion from the particle, the back-reaction should be included only as integrals (3.9) requiring
consideration of the full system of integro-differential equations. We leave this problem for
further investigation.

4We notice that one cannot demand the condition Ẋ2 + X ′ 2 = 0, which occurs for a flat background
without back-reaction.
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4 Radiation

In this section, we obtain the equation for massive particle radiation from Abelian-Higgs
cosmic strings. Comparing our result with recent numerical simulations of cuspless loops
[51, 52], we verify the correctness of obtained expression.

4.1 Radiation for Kalb-Ramond field

To obtain the expression for radiation of the massive Kalb-Ramond field we will follow the
procedure of [72–74]. We consider a periodically oscillating loop with the period T`. Thus,
we can perform Fourier transformations for the source and the field:

Jµν =
∞∑

n=−∞
J̃µνn e−inω0τ , Bµν =

∞∑
n=−∞

B̃µν
n e−inω0τ (4.1)

where ω0 = 2π
T`

is a characteristic frequency and J̃µνn = 1
T`

∫ T`
0 Jµνeinω0τdτ . Substituting (4.1)

into (3.3) one obtains (
∇2 + k2

n

)
B̃µν
n = 4πJ̃µνn , (4.2)

where kn = nω0

√
1− n2

0
n2 ≡ nω0Rn, n0 = M

ω0
. Thus, the solution of (4.2) for a particular

n-mode is given by

Bµν
n = −

∫
Gn(x, x̃)Jµνn (x̃)d3x̃, where Gn(x, x̃) =

eikn|x−x̃|

|x− x̃|
. (4.3)

Summing components of the field (4.3) one can write down the full expression

Bµν = −
∞∑

n=−∞

∫
exp [inω0 (|x− x̃|Rn − t)]

|x− x̃|
J̃µνn (x̃)d3x̃. (4.4)

Considering that the size of the source `, which is a loop size, much smaller than the distance
r to the source, we can approximate r >> `. In that case (4.3) takes the form

Bµν
n =

eiknr

r
Iµνn +O

(
1

r2

)
, where Iµνn ≡ −

∫
e−iknr̂·x̃J̃µνn (x̃)d3x̃ (4.5)

with a unit vector r̂ oriented towards to the observer.
One can notice that whenever n0 > n: kn → ikn, which means an exponential decay

of this contribution with distance r. Since we assume that r → ∞, we neglect all radiation
coming from n < n0 and higher-order terms in (4.5). Hence, substituting (4.5) into (4.1) and
taking into account that r →∞ one obtains

Bµν
rad =

∑
|n|>n0

Iµνn
ei(knr−nω0τ)

r
, where I0i

n = Rnr̂lI lin (4.6)

due to Lorenz gauge conditions (3.1).
The Umov–Poynting vector S ≡ T 0i for the Kalb-Ramond field in (2.10) can be expressed

as
S = 2

(
PP0 +M2 (Ev ×Hv)

)
, (4.7)

– 7 –



where Pµ = 1
3!ε

µνληHνλη and three-dimensional vectors are Eiv = B0i, H i
v = 1

2!ε
iklBkl. We

are interested in the energy flux I per solid angle Ω time-averaged over the period T`, which
is 〈

dI

dΩ

〉
≡ 1

T`

∫ T`

0

dI

dΩ
dτ, (4.8)

where dI
dΩ ≡ r

2r̂ · S. Substituting (4.7) and (4.6) into (4.8) and using the equality

1

T`

∫ T`

0
ei(knr−ω0nτ)ei(k

′
nr−ω0n′τ)dτ = δn,−n′

together with Ikl−n =
(
Ikln
)∗, one can obtain the final expression in the following form〈

dI

dΩ

〉
=
∑
|n|>n0

n2ω2
0

2
Rn
(
|εiklr̂iIkln |2 + 4

(n0

n

)2
|r̂mImkn |2

)
, (4.9)

which is reduced to the expression of the massless case when M → 0 [54, 60]. One can
notice that (4.9) depends on the loop size ` = 2T`, in contrast to the expressions for massless
radiation. We are going to elaborate on this point in the next section for a particular shape
of cuspless loops.

4.2 Radiation from cuspless loops

The radiation of Abelian-Higgs cuspless loops is a subject of recent simulations that estab-
lished a relation for the cuspless loop lifetime τ∗ ∝ `2 [51, 52]. To confirm our description
of Abelian-Higgs cosmic strings, we reproduce this result of simulations analytically. The
cuspless loop solution can be written as [75]

X± = e±

{
T`
π σ± −

T`
2 , 0 ≤ σ± ≤ π,

3T`
2 −

T`
π σ±, π ≤ σ± ≤ 2π,

(4.10)

where e± are unit vectors and σ± = τ ± σ. Rewriting integrals (4.5) via σ± variables, we
obtain

I lkn =
η

4T`

∫ 2π

0
ein

(
σ+− π

T`
Rnr̂·X+

)
dσ+

∫ 2π

0
ein

(
σ−− π

T`
Rnr̂·X−

)
X′ [l+ X′ k]

− dσ−. (4.11)

Carrying out integration and substituting into (4.9) we obtain the final expression

〈I〉 ≡ η2Γ ≡ η2
∞∑

n>n0

Γn,

Γn =
16

π2
n2Rn

∫
D+
nD
−
n sin2 α

[
cos2 θ +

(n0

n

)2
sin2 θ

]
dΩ,

(4.12)

where Γ is the radiation efficiency, D±n = 1−(−1)n cos[πnRnr̂·e±]

n2(1−(Rnr̂·e±)2)2
and

r̂ = {cos θ, sin θ cosφ, sin θ sinφ} , e± = {0, cosα/2, ± sinα/2} . (4.13)

In the massless limit M → 0, the expression for radiation (4.12) coincides with one given in
ref. [75].
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Figure 1. Dots on the left panel represent values of Γn when n0 = 4 and α = π
2 , while the

dashed line is the best-fit power law function. Dots on the right panel represent radiation efficiency
Γ dependence on n0 when α = π

2 , while the dashed line shows the function Γ ∝ 1
n0

.

To understand how the efficiency of radiation Γ depends on the loop length `, we need
to perform the infinite sum in (4.12). To do so, we follow the approach described in [26],
namely, we calculate and sum numerically the first 100 values of Γn and approximate the rest
of the sum by a power law function that appears as the best fit illustrated on the left panel
of figure 1. In that way, we obtain the full radiation efficiency Γ for different values of n0,
shown on the right panel of figure 1. The best-fit value for the case of α = π

2 is given by
Γ(`) = Γ0`

−0.985±0.001, where Γ0 = (57± 8)M4π and does not depend on the string loop length.
Thus, rounding the value, one obtains that the string loop decays according to

d`(τ)

dτ
≈ −Γ0/`(τ) → `(τ)2 = `(0)2 − Γ0τ, (4.14)

which means that the lifetime of the cuspless Abelian-Higgs loop is given by τ∗ = `2/Γ0, i.e.
the same proportionality obtained by the field-theory simulations in refs. [51, 52].

We must emphasize that the number of kinks on loops changes the value of Γ0, but
the proportionality τ∗ ∝ `2 remains the same. However, we anticipate that for more generic
shapes of loops, the relation between the lifetime τ∗ and length ` of the loop will be different,
which was demonstrated in simulations for loops extracted directly from the string network
evolution [52]. Decay of other types of loops caused by massive radiation, and detailed
comparison with field-theory simulations we leave for future investigation.

5 Conclusion and future work

In this study we investigated Abelian-Higgs cosmic string model. Through the use of duality
transformations, we established that the Nambu-Goto action coupled with the massive Kalb-
Ramond field provides an effective description of infinitely thin Abelian-Higgs cosmic strings.

By employing Green functions for the massive Kalb-Ramond field, we derived an expres-
sion for the classically renormalized tension of Abelian-Higgs cosmic strings. Notably, unlike
in the global case, the renormalized tension of local cosmic strings exhibits variations along
the worldsheet, with maximum values occurring at kinks and cusps. This maximal value is
identical to the one that global cosmic strings have.

Furthermore, we obtained integral expressions for the back-reaction effect of Abelian-
Higgs cosmic strings. For the same reason as for particles [68], local equations of motion with

– 9 –



analogue of Abraham-Lorentz-Dirac force are not viable. Instead, the full integro-differential
expression must be employed to account for the back-reaction effect. It would be interesting
to compare these results with field-theory simulations to gain further insights [31, 76].

We also studied the massive radiation for Abelian-Higgs strings. We demonstrated that
for a periodically oscillating loop the radiated energy flux per solid angle is given by eq. (4.9).
This expression depends on a loop length `, in contrast to global cosmic strings. We applied
the obtained equation for a cuspless type of loop and demonstrated that radiation efficiency
Γ for cuspless Abelian-Higgs loops exhibits a linear decrease as the loop size increases. Con-
sequently, the decay of the cosmic string loop suggests that the lifetime is proportional to the
square of the loop length: τ∗ ∝ `2. This finding aligns with the relation obtained in numerical
simulations [51, 52].

The outcomes of our research hold significant implications for understanding the back-
reaction and radiation processes associated with Abelian-Higgs cosmic strings. They shed
light on the discrepancies between field theory and Nambu-Goto simulations. By presenting
these findings, we aim to contribute to the ongoing exploration of Abelian-Higgs cosmic strings
[31, 51, 52]. Our results open up avenues for further investigation and provide valuable insights
into the behavior of these cosmic structures.
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Abstract. We present a scalar-driven sterile neutrino production model where the interac-
tion with the ultralight scalar field modifies the oscillation production of sterile neutrinos in
the early universe. The model effectively suppresses the production of sterile neutrinos at low
temperatures due to the heavy scalar mass, resulting in a colder matter power spectrum that
avoids constraints from small-scale structure observations. In this model, the dominant dark
matter relic is from sterile neutrinos, with only a small fraction originating from the ultralight
scalar. Furthermore, the model predicts a detectable X/γ-ray flux proportional to the cubic
density of local sterile neutrinos for a light scalar mass due to the light scalar coupling to
sterile neutrinos. This distinguishes our model from normal decaying dark matter, which has
a linear dependence on the density. In addition, the model predicts a potential low-energy
monochromatic neutrino signal that can be detectable by future neutrino telescopes.
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1 Introduction

Sterile neutrinos have long been considered as a promising candidate for dark matter (DM),
which mix with active neutrinos leading to the right relic abundance in the early universe
[1–4]. In the seminal framework denoted as Dodelson-Widrow scenario (DW) [1], a natural
mechanism for producing sterile neutrino DM via neutrino oscillation was proposed, where the
scattering between active neutrinos and Standard Model (SM) particles in the thermal bath
results in the production of a suitable amount of sterile neutrinos. This same mixing angle also
leads to the radioactive decay of sterile neutrinos to photons and neutrinos, which provides
a monochromatic photon signature to look for. Despite the attractiveness of DW scenario, it
has been challenged by various experiments. The monochromatic X/γ-ray searches of distant
galaxies and dwarfs set stringent limits on the mixing angle or the lifetime of the decaying
sterile neutrino [5–9, 9, 10, 10–12]. Decaying sterile neutrino DM was proposed to explain
the 3.5 keV line anomaly [8, 9] It is also worth noting that although the 3.5 keV line anomaly
can be explained by decaying sterile neutrino DM, however this possibility was constrained
by blank-sky observations and under debate [13, 14].

Sterile neutrino DM generated by the DWmechanism or its variants is typically classified
as warm dark matter (WDM). Due to free-streaming, the matter power spectrum at small
scales is damped. Observations of the small-scale matter power spectrum in Lyman-α [15, 16]
and gravitational lensing [17] have placed constraints on the mass of DW sterile neutrino DM,
suggesting it should be above 30 keV [18] and possibly even higher [17]. On the other hand,
the phase space density of Milky Way dwarf galaxies suggests a lower limit of 2.5 keV, while
subhalo counts of M31 analogues give a limit of 8.8 keV [6]. The most stringent constraint
comes from a combined analysis of the Lyman-α forest, strong gravitational lensing, and
Milky Way satellites, which limit the mass of sterile neutrinos produced through the DW
mechanism to be less than 92 keV at a 95% confidence level [17, 19–22].

To address the tensions and expand the parameter space for oscillation production of
sterile neutrinos, several ideas have been proposed, including introducing beyond Standard
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Model (BSM) interactions [23–29]. These mechanisms aim to modify the effective mixing
angle, allowing sterile neutrinos to be produced at an appropriate rate while evading current
X/γ-ray constraints. One such mechanism, discussed in Ref. [30], generates sterile neutrino
DM driven by the dynamical evolution of an ultralight scalar. The large initial value of the
scalar field generates a large mixing angle initially, enabling efficient production of sterile
neutrinos with the correct abundance. However, the scalar field dilutes significantly during
evolution, resulting in a tiny mixing angle today. Consequently, the sterile neutrinos are not
detectable through X/γ-ray observations.

In this work, we highlight the potential of scalar-driven mechanisms to not only relax
the X/γ-ray constraints from astrophysical observations but also to alleviate the constraints
on WDM by generating a cooler spectrum. Specifically, we find that for large scalar mass, the
scalar misalignment occurs earlier and dilutes its field value earlier, leading to the production
of sterile neutrinos dominating at higher temperatures. We match the mass power spectrum
of sterile neutrino DM with thermal relic WDM to obtain the corresponding constraints. The
results show that the scalar-driven mechanism generates a much cooler spectrum for sterile
neutrino DM compared to the DW mechanism, potentially helping to alleviate cosmological
constraints on WDM. Moreover, it should be noted that in this model, the dominant form of
DM is sterile neutrino, while the relic scalar produced by misalignment is negligible today.

Furthermore, in the original scalar-driven mechanism, the current mixing angle is typi-
cally too small to be probed by future X/γ-ray observations or other astrophysical searches.
However, we discovered that introducing a new coupling between the sterile neutrino and
ultralight DM can produce a density-dependent mixing angle today [31]. The new term leads
to a stationary value for the scalar field from the feedback of the existence of sterile neutrinos.
This stationary term is larger than the small relic produced by misalignment, thus is the main
contribution to the effective mixing angle today. Therefore, it changes the signal flux of the
sterile neutrino decaying into SM neutrino and photon, making it depend on the DM density
cubed rather than linearly, which helps evade the blank sky constraints and distinguishes
it from normal decaying DM. Moreover, the new term provides a much larger flux for the
X/γ-ray signal from sterile neutrino decay than the original term. Finally, we emphasize
that another dominant decay channel of sterile neutrinos involves decaying into a scalar and
Standard Model neutrino, which does not depend on the scalar field value but is instead
controlled by the Yukawa coupling to the scalar. This channel produces a monochromatic
neutrino signal, which is not covered by current neutrino telescope searches due to the small
sterile neutrino DM mass, but it could be an interesting signal to crosscheck this model in
the future, in addition to the X/γ-ray signal.

This paper is structured as follows. Section 2 outlines the model setup, introducing
the sterile neutrino DM and the scalar field together with their interactions. In Section 3,
we perform calculations for the coupled-evolution of these two components up to the present
time. We then examine the constraints from various terrestrial and cosmological observations,
focusing particularly on the comparison of the matter power spectrum between our model and
thermal relic WDM, in Section 4. Next, in Section 5, we investigate the X/γ-ray flux in our
scenario and compare it with existing constraints. Finally, in Section 6, we present our
conclusions.
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2 Model setup

To illustrate the impact of ultralight DM on the DWmechanism, we begin with a UV-complete
model that includes a heavy doublet vector-like fermion, denoted by ψ, with SM gauge charge
(1, 2,−1), a Majorana singlet sterile neutrino, represented by N , and an ultralight scalar,
designated as φ. The relevant UV-complete Lagrangian is as follows:

− LUV ⊃
[
ỹ1φL̄ψ + ỹ2ψ̄H̃N

c +
1

2
λφN cN + h.c.

]
. (2.1)

Integrating out the heavy fermion doublet ψ produces a dimension-5 operator of the
form ỹ1ỹ2

φ
Λ L̄H̃N

c + h.c.. This operator, upon electroweak symmetry breaking, leads to the
operator yφν̄N c + h.c.. The resulting low energy effective Lagrangian, with restored mass
terms, can be expressed as follows:

− L =

[
1

2
(mN + λφ)N cN + yφν̄N c + h.c.

]
+

1

2
m2
φφ

2. (2.2)

Assuming that the scalar field φ is ultralight, it can be treated as a classical field that
persists throughout the evolution of the universe. Taking this classical background field into
consideration, we can diagonalize the mass terms and obtain the following result:

− L ⊃ 1

2
m2
φφ

2 +

(
1

2

(
νc N c

)( 0 yφ
yφ λφ+mN

)(
ν
N

)
+ h.c.

)
→ 1

2
m2
φφ

2 +
1

4

[√
(λφ+mN )2 + 4(yφ)2 − (λφ+mN )

]
νcν

+
1

4

[√
(λφ+mN )2 + 4(yφ)2 + (λφ+mN )

]
N cN + h.c.,

(2.3)

where we have performed a chiral rotation of the SM neutrino field to ensure that the mass
term remains positive. We can represent the mass terms of ν and N as follows:

mν(φ) =
1

2

[√
(λφ+mN )2 + 4(yφ)2 − (λφ+mN )

]
,

mN (φ) =
1

2

[√
(λφ+mN )2 + 4(yφ)2 + (λφ+mN )

]
. (2.4)

After diagonalization, mixing between active and sterile neutrinos is induced and can be
expressed as:

tanθ =
yφ

mN (φ)
. (2.5)

This mixing is crucial in the production of sterile neutrinos in the early universe since the
scattering between active neutrinos in the thermal bath can produce sterile neutrinos at a
rate proportional to sin2 θ.

3 The production of sterile neutrino DM

3.1 The Boltzmann equation for sterile neutrino

The detailed description of the production process is given by the following Boltzmann equa-
tion, which is consistent with the equation in the original DW mechanism [1, 2, 25, 32]:

∂

∂t
fN (p, t)−Hp ∂

∂p
fN (p, t) ≈ 1

4
ΓSM(p)sin2(2θeff) [fν(p, t)− fN (p, t)] ,
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with

sin2 (2θeff) ≡ ∆2(p)sin2 (2θ)

∆2(p)sin2(2θ) + Γ2
SM/4 + (∆(p)cos(2θ)− V T (p))2 . (3.1)

where fN/ν represents the momentum phase space distribution function, H denotes the Hub-
ble constant, and ∆(p) = (m2

N −m2
ν)/2p ≈ m2

N/2p is the active neutrino oscillation factor in
vacuum. The interaction rate for SM neutrinos is ΓSM(p) ≈ G2

F pT
4, where GF is the Fermi

constant. The neutrino thermal potential V T (p) ≈ GF pT
4/M2

W is generated by SM elec-
troweak interaction. The asymmetric lepton potential V L, which arises due to the presence
of lepton number asymmetry, can be expressed as follows:

V L =
√

2GF

2(nνα − nν̄α) +
∑
β 6=α

(nνβ − nν̄β )− nn/2

 . (3.2)

It is worth noting that in the presence of a non-negligible lepton number, the sterile neutrino
could be produced through resonant production, as described in Refs. [2, 23, 24]. In this
study, we are restricted to the lepton number symmetric cases.

If one changes the variables from f(t, p) to f(T, κ ≡ p/T ), make use of the relations
dT/dt = −HT and the identity

T

(
∂f

∂T

)
p

+ p

(
∂f

∂p

)
T

= T

(
∂f

∂T

)
p/T

, (3.3)

the Boltzmann equation of sterile neutrino Eq. (3.1) can be simplified to(
∂f(T, y)

∂T

)
κ

= −ΓSMsin2 (2θeff)

4HT

1

eκ + 1
. (3.4)

3.2 The evolution of the φ field

The equation Eq. (3.4) describes the evolution of the sterile neutrino distribution in the early
universe, which is strongly influenced by the evolution of the φ field. Therefore, it is necessary
to establish the equation of motion for the φ field by

φ̈+ 3Hφ̇+
∂Vφ
∂φ

= 0, (3.5)

with the potential Vφ given by

Vφ =
1

2
m2
φφ

2 +
1

2
mN (φ)〈N cN + h.c.〉 − 1

π2
T 4JF

[
mν(φ)2

T 2

]
. (3.6)

In the early universe, active neutrinos are thermalized and can contribute to the scalar po-
tential through thermal loop effects [33]. However, due to the highly suppressed coupling
between active neutrinos and φ, the effect of this contribution is negligible. The expectation
value of sterile neutrinos can also contribute to the scalar potential, even though they are out
of equilibrium. When the sterile neutrinos cool down as the universe expands, we can take
the non-relativistic limit 〈N cN + h.c.〉 ∼ 2nN . In this case,

∂Vφ/∂φ ' λnN +

(
m2
φ +

2y2nN
mN

)
φ, (3.7)
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λ y mφ(eV) φini(GeV) mN (keV)

10−24 . O(10−18) O(10−22 ∼ 10−9) O(108 ∼ 109) O(10 ∼ 1000)

Table 1. The parameters of this model are show in the table: λ and mφ are related to long-range
interactions of DM, with the former subject to fifth force constraints, while y is constrained by the
sterile neutrino lifetime (τs > τUniverse). The parameters y and φini are related to the dynamic mixing
angle of the sterile neutrino, where the latter is critical for sterile neutrino production in the early
Universe.

is an excellent approximation for the parameters of interest. However, at earlier stages, when
sterile neutrinos are still relativistic, a more careful consideration of the expectation value
is required. It is convenient to rewrite the expectation value as 〈N̄ cN + h.c.〉 = 2σ(T )nN ,
and a good approximation is σ(T ) ∼ 10−5 for T ' 200MeV when the most sterile neutrino
are produced. However, given that y must be very small based on the lifetime of DM via
N → φ+ ν decay (see Table 1), this contribution is also negligible in the production of DM.
It is similar that one can neglect the tiny λ term due to DM self-interaction constraint in
Table 1. As a result, the φ field evolves as a free scalar field in the misalignment scenario.

Consequently, the evolution of φ follows a mechanism that is similar to the misalignment
of ultralight DM. Initially, it starts with a large value in the early universe, which remains
constant due to the large Hubble friction. As the universe expands and cools, the field begins
to oscillate around its minimum, with its amplitude decaying as a−3. This evolution of φ
leads to a significant mixing angle between sterile and active neutrinos in the early universe,
resulting in the enhanced production of sterile neutrino DM while evading current constraints
from the negligible mixing angle at the present time.

3.3 The coupled evolution of sterile neutrino and φ field

To take a more robust approach of evolution history, in principle one need solve the coupled
differential equations of φ and N . Integrating Eq. (3.4) over momentum space and defining

YN ≡ nN/s where s =
2π2

45
g∗s(T )T 3 is the entropy density and using relation Ṫ = −HT we

arrive at

d2φ

dT 2
+

(∂Vφ/∂φ)

H2T 2
= 0. (3.8)

dYN
dT

=
1

8π2

∫
ΓSMsin2 (2θeff) p2/(ep/T + 1)dp

−HTs
. (3.9)

However, the two differential equations can be treated as decoupled since the feedback
terms from N on the evolution of the φ field are negligible. Hence, we can first numerically
solve the second equation and then use the evolution of φ in the first equation to determine the
sterile neutrino density. In Figure 1, we demonstrate the evolution of φ and YN as functions
of temperature for three representative parameter points. Initially, the production of sterile
neutrinos is suppressed due to the high temperature, which leads to the suppression of sin θeff.
At the same time, the large initial value of φ, φini, remains frozen due to the large Hubble
friction. As the temperature drops, the production of sterile neutrinos increases, and the
Hubble friction decreases, allowing φ to begin its oscillation. The production process can
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Figure 1. We present the evolution of three explicit benchmarks (A, B and C) at early Universe,
all of which satisfy the condition mφ > 3H(Tmax). The φ field starts to oscillate earlier than the
major production time of sterile neutrino, thus the evolution of φ deeply influenced the production of
sterile neutrino. The upper panel shows the evolution of sterile neutrino number density, with yield
YN ≡ nN/s. The middle panel shows the evolution of the ultralight scalar φ. The bottom panel
shows the evolution of the sterile neutrino production rate dYN/dT as a function of temperature. We
fix λ = 10−24, y = 10−18 for all three benchmarks A (left), B (middle) and C (right). We choose
parameters {mN (keV), mφ (eV), φini (GeV)} equal to {10, 1.1 × 10−9, 2.81 × 108} for benchmark
A, {25, 2.5× 10−9, 3.315× 108} for benchmark B, and {40, 2.1× 10−9, 2.04× 108} for benchmark
C respectively. These values enable the right DM relic abundance for N and a negligible relic for φ.

take two different forms depending on whether the oscillation of φ begins before or after the
maximal production rate of sterile neutrinos, which is denoted by Tmax. The former case
is referred to as mφ > 3H(Tmax), while the latter case is known as mφ < 3H(Tmax). For
standard DW case the production rate peaks at Tmax,DW ' 133 MeV× (mN/keV)1/3 [1] and
sharply decreases when temperature is away from this value. In this model, the production
rate at early universe is enhanced, resulting to Tmax ' 2 Tmax,DW [30]. The three benchmarks
illustrated in Fig 1 belong to the former case and are chosen to ensure the production of
an appropriate abundance of sterile neutrino DM at around T ≈ 200MeV. In addition,
the relic abundance of φ today is negligible comparing with the sterile neutrino. For the
mφ < 3H(Tmax) case, the φ field starts to oscillate too late and stays to its initial value
during the period of sterile neutrino production. Therefore, the production mechanism is
reduced to the traditional DW scenario.

The energy density of the φ field today can be estimated by [35]

ρφ ' 1.7× 10−18GeV
cm3

×
√

mφ

10−10eV

(
φini

108GeV

)2

F(T0), (3.10)

where φini is the initial field value, T0 is the temperature φ start to osccilate and F(T0) ≡
(g∗(T0)/3.36)

3
4 (g∗S(T0)/3.91)−1 is a smooth function of range (0.3, 1). In the parameter space
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Figure 2. The stationary value φ̃ as a function of DM number density nDM in the present day. The red
dot-dashed line represents the asymptotic behavior for small nDM. We setmφ = 10−24 eV, λ = 10−24,
and y = 9× 10−20 for numeric demonstration. The colored regions correspond to different ranges of
galactic DM number density, extending up to 0.1 kpc under the assumption of the NFW profile [34].

we are interested in, the contribution of energy density ρφ and its present day amplitude are
very small. As a result, the ultralight scalar φ does not contribute to the DM relic abundance.

The present φ field, φ0, consists of two components in the following,

φ0 ' φ̃+ φ̂ cos(mφt+ θ0). (3.11)

The first component, φ̃, arises from the feedback of the local sterile neutrino and is generated
through scalar-sterile neutrino interactions. The second component, φ̂, corresponds to the
oscillation energy density produced from the misalignment, with φ̂ =

√
2ρφ/mφ and a random

phase θ0. As shown in Fig. 2, at low DM densities, the stationary value φ̃ increases linearly
with nDM, scaling as φ̃ ∼ λnDM/m

2
φ. At high densities, it saturates at a maximum value of

φ̃max,

φ̃max ∼
mN (

√
y2(3λ2 + y2)− y2)

3λy2
, (3.12)

when nDM equals to
2mNm

2
φ(
√
y2(3λ2+y2)−y2)

3λ2y2
. This density-dependent behavior of φ̃ has im-

portant implications for the decay rate of the sterile neutrino, preventing it from decaying
too rapidly in the early Universe and in dense DM systems such as dwarf spheroidal galaxies
(dSphs). Additionally, this density-dependent decay rate offers a promising signal for testing
this scenario.

4 Constraints from terrestrial and cosmological observations

The proposed model includes an ultralight scalar, φ, that can mediate a long-range attractive
force between sterile neutrino DM particles. This force could have observable effects on tests
of the Equivalence Principle in the dark sector, using tidal tails [36, 37]. It could also lead to
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astrophysical bounds [38, 39] that constrain the model parameter β ≡ λMpl/
√

4πmN < 2.2,
which is equivalent to λ . 10−24 as shown in Table 1.

In addition, the Yukawa coupling y leads to the sterile neutrino decay channel N → ν+φ
with a decay width of Γ(N → νφ) = y2mN/(16π). However, the power spectrum of the cosmic
microwave background requires the DM lifetime to be longer than the age of the Universe [40],
thus constraining the parameter y to be small . 10−18 in Table 1. In addition, the decay
N → ν + φ leads to a monochromatic neutrino flux. However, the active neutrinos with
energies below MeV are less constrained in existing neutrino telescope data (see Ref. [41]),
providing a parameter space for mN . 1 MeV. This model could potentially be tested in
future neutrino telescopes when searching for low energy neutrino flux.

Regarding neutrino self-interaction, it is mediated by φ, whose strength is negligible in
this model due to the small coupling y and the mixing angle θ. Therefore, it does not affect
∆Neff and is consistent with CMB and BBN constraints. This is different from the model in
Ref. [26], which requires a modified effective thermal potential for neutrinos. Moreover, this
model does not modify neutrino mass and oscillation in the parameter space considered, i.e.
λ . 10−24 and y ∼ O(10−18), so limits from neutrino oscillation experiments do not apply.

4.1 The colder energy spectrum of the sterile neutrino DM

Sterile neutrinos generated via the DW [1] mechanism typically exhibit a warm power spec-
trum that closely resembles that of their active counterparts. As WDM, they can significantly
alter the matter power spectrum, resulting in the suppression of structures on small scales. In
contrast to cold DM, sterile neutrinos produced through the DW mechanism exhibit unique
velocity and phase space density distributions. Observations of small-scale structures have
effectively ruled out the existence of sterile neutrino DM with a mass exceeding 92 keV [17].

Various proposals have been put forward as potential solutions to the aforementioned
issues. These include resonantly produced sterile neutrinos [23, 24], decay from heavy parti-
cles [42], and neutrino self-interaction [25]. In our particular scenario, sterile neutrinos arise
from an ultralight scalar-driven mechanism, resulting in a power spectrum that is naturally
colder. The phase space distribution function of these sterile neutrinos, at a given SM neutrino
temperature T , can be described using the following equation:

f(κ, T ) =

∫ T

Tre

ΓSMsin2 (2θeff)

−4HT ′
· 1

eκ + 1
dT ′, (4.1)

where κ ≡ p/T , and Tre is the reheating temperature after inflation.
In Fig 3, we demonstrate that the production of sterile neutrinos in our proposed model

is reliant on the evolution of the ultralight scalar field φ. Under appropriate parameters, this
can result in a distribution that is colder than that produced through the DWmechanism. For
instance, if φ remains at its initial large value, φini, due to Hubble friction in the early Universe
but begins to oscillate early, the production of sterile neutrinos through neutrino oscillations is
forced to reach its maximum at high temperatures. As a result, a colder spectrum is obtained
compared to sterile neutrinos DM generated through the DW mechanism, as illustrated in
Fig. 3. This case happens for mφ > 3H(Tmax) and is in better agreement with observations of
cosmological structure formation. However, this feature of a colder sterile neutrino spectrum
is absent in the other case where mφ < 3H(Tmax). In this case, during the neutrino oscillation
production, the φ field remains constant due to the large Hubble friction, resulting in the same
outcome as the DW mechanism.
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Figure 3. The normalized phase-space distribution functions for three benchmarks in our sce-
nario with 〈p/Tν〉 ∼ 1.02297, 1.01899, 1.29976. The traditional DW scenario is also shown with
〈p/Tν〉 ∼ 2.83 [43]. With the condition mφ > 3H(Tmax), the three benchmarks produce a much
colder distribution compared to the pure DW case.

To compare the phase space distribution in the scalar-driven model with the current
constraints on thermal relic WDM, we adopt the approach of Refs. [2, 15, 17, 42], which
utilizes the transfer function as a crucial quantity for linking the two scenarios. The transfer
function is defined as

T̂WDM(k) ≡

√
P (k)

PCDM(k)
, (4.2)

where P (k) and PCDM(k) are matter power spectrum of specified WDM model and cold DM
respectively. The transfer function of thermal relic DM can be well fitted with the following
analytic formula [15, 17]

T̂thWDM(k) = [1 + (αk)2µ]−5/µ, (4.3)

where µ = 1.12 and α(mthWDM) is given by

α(mthWDM) = 0.049
(mthWDM

keV

)−1.11
(

ΩthWDM

0.25

)0.11( h

0.7

)1.22

. (4.4)

The transfer function of sterile neutrinos shares a similar shape with that of thermal relic
WDM [17]. To establish a correlation between the mass of thermal relic WDM and the mass
of sterile neutrinos, we can utilize the analytic function in Eq. (4.3). To precisely quantify
the impact of our model on the matter power spectrum and structure formation, we have
incorporated the modified sterile neutrino energy distribution function into the non-CDM
module of CLASS [44] to calculate the transfer functions.
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Figure 4. The transfer functions of three benchmarks (represented by solid lines) are shown here,
along with the transfer functions of three thermal WDM particles (represented by dashed lines) at
masses mthWDM = 4.9, 9.7, and 11.8 keV, respectively. Due to the similarity between the two sets of
functions, one can readily apply the small structure constraints on the masses of thermal relic WDM
particles to sterile neutrinos in this scenario.

In Fig. 4, we display the transfer functions of the three benchmark parameters (A, B, C)
presented in Fig.1. We define the half-mode scale khm as the wave number at which P (k) drops
to 25% of PCDM(k) and match it to the thermal relic DM with the same khm as in Ref. [28].
The most stringent limit on the thermal relic WDM mass excludes mthWDM < 9.8 keV, which
translates tomN = 25 keV in our scenario. This is significantly lower than the mass constraint
ofmDW > 92 keV in the DW scenario. These findings illustrate that the scalar-driven scenario
can generate a colder spectrum for sterile neutrino DM, which could potentially avoid the
constraints on small-scale structures.

5 Constraints from X/γ-ray observations

The decay of sterile neutrino DM into a photon and an active neutrino at the 1-loop level
can produce a distinctive monochromatic photon signal that can be detected through astro-
physical observations. This signal can be utilized to place constraints on the mixing angle
between sterile and active neutrinos. The decay rate of a Majorana sterile neutrino is directly
proportional to the square of the mixing angle, as described by the formula [45],

ΓN→νγ =
9αG2

F

2048π4
sin2 (2θ)m5

N

= 1.361× 10−29 s−1

(
sin2 (2θ)

10−7

)( mN

1keV

)5
, (5.1)
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where we use θ instead of θeff because the decay is occurring in the present-day rather than
in the thermal environment of the early universe.

As DM particles are considered non-relativistic at present, the resulting energy of the
photon in the final state is approximately half of the mass of the DM. The photon flux
observed can be determined through integration along the line of sight:

F =
ΓN→νγ
4πmN

∫
dΩf.o.v.

∫
l.o.s

dr ρDM

(√
d2 + r2 − 2drcosφ

)
, (5.2)

where Ωf.o.v. represents the field of view of the telescope.
In our scenario, the decay rate of the monochromatic X/γ-ray signal N → γν is pro-

portional to the square of the mixing angle, sin2(2θ). However, the signal is integrated over
the line of sight and the local θ depends on φ, which has a different phase at each location.
Thus, the time-average of it must be utilized to calculate the flux which is given as:

〈
sin2(2θ)

〉
' 4

〈
y2φ2

0

m2
N

〉
=

4y2

m2
N

(
λ2n2

N

m4
φ

+
ρφ
m2
φ

)
. (5.3)

In the case of sufficiently small mφ, the first term dominates and represents the feedback
effect of the DM number density. This new characteristic offers a unique X/γ-ray signal. As
the mixing angle is linearly dependent on the DM density in the parameter region of interest,
the signal flux exhibits a novel feature F ∝

∫
f.o.v. ρ

3
DM dV . However, as demonstrated in

Fig.2, the mixing angle can saturate at large enough nDM, which implies that the estimate
F ∝

∫
f.o.v. ρ

3
DM dV may overestimate the flux, thus leading to more stringent constraints on

the parameter space. Nevertheless, we will demonstrate later that despite some radical con-
straints, there is still a substantial parameter space available for this model. By substituting
the formula for sin2(2θ), the flux in this model can be expressed as:

F =
9αG2

F

2048π5
· λ

2y2

m4
φ

∫
dΩf.o.v.

∫
l.o.s

dr ρ3
DM

(√
d2 + r2 − 2drcosϕ

)
, (5.4)

where d represents the distance of the source, and ϕ denotes the angle between the line of
sight and the galactic center. The relationship between ϕ and the galactic coordinates (l, b)
is given by cos(ϕ) = cos(l) · cos(b). As the flux is no longer dependent on the mass of the
sterile neutrino, it suggests that X/γ-ray limits are less restrictive in higher sterile neutrino
mass regions as compared to the normal decaying sterile neutrino scenario.

To analyze the existing signals, we need to specify the DM profile. In this work, we adopt
the DM profiles estimated by Ref. [49]. To be conservative, we avoid the singularity at the
center of the NFW profile by assuming that ρDM(r < 0.1kpc) = ρDM(0.1kpc). Additionally,
we consider the contribution of the Milky Way DM flux within the telescope field of view for
extra-galactic sources. The X-ray/γ-ray constraints are presented in Figure 5, which includes
the constraints from Refs. [46–48]. The y-axis represents the sterile neutrino mixing angle
sin2(2θ)0 defined at the solar system with a DM density of ρDM,local = 0.4 GeV/cm3. We plot
three lines of sin2(2θ)0 as a function of mN with three different choices of mφ. We ensure the
correct DM relic density by choosing appropriate φini, while fixing the parameters λ and y
by maximizing the signal and satisfying the lifetime constraint ΓN (y) . 1/τUniverse and the
fifth force constraint λMPl/

√
4πmN . 2.2 when mφ is very small. As shown in Figure 5, the

upcoming X-ray and γ-ray experiments will have the ability to explore a significant parameter
space for this model.
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Figure 5. The parameter space of sterile neutrinos in this model. Since the mixing angle θ is
dynamic and density dependent, we define sin2(2θ)0 ' 4(λ y ρDM,local)

2/(m2
φm

2
N )2 with ρDM,local =

0.4 GeV/cm3 around Earth for demonstration. Based on the mixing angle density dependent feature
we adopt X-ray and Gamma ray observation constraints from NuSTAR Collaboration observations
of Milky Center and M31 Andromeda Galaxy [46, 47] and null sterile neutrino search result from
INTEGRAL [48]. The parameter space for original DW sterile neutrino is shown as a red band.
In addition we plot several brown contours by fixing parameters y, λ to satisfy condition Γs(y) .
1/τUniverse and λMPl/

√
4πmN . 2.2, in which the sterile neutrino in this model generate the observed

relic density of DM.

6 Conclusion

In this work, we provide a new version of the scalar-driven sterile neutrino production, where
the oscillation production of sterile neutrino is modified by the interaction with the dynamical
evolving ultralight scalar field in the early universe. We demonstrate that this approach can
effectively suppress the production of sterile neutrinos at low temperatures with a heavy
scalar mass, leading to a colder matter power spectrum that avoids constraints from small-
scale structure observations. Notably, the dominant DM relic in this model is from the sterile
neutrino, with only a small fraction coming from the ultralight scalar. Furthermore, the model
predicts a larger X/γ-ray flux with a light scalar mass, which flux is directly proportional to
the cubic density of local sterile neutrinos. This feature distinguishes our model from normal
decaying DM and enables it to avoid the blank-sky type limits. In addition, this model
predicts a potential monochromatic neutrino signal that can complement the X-ray/γ-ray
signal and may be detected by future neutrino telescopes.

References

[1] S. Dodelson and L. M. Widrow, “Sterile-neutrinos as dark matter,” Phys. Rev. Lett. 72 (1994)
17–20, arXiv:hep-ph/9303287.

[2] K. Abazajian, “Production and evolution of perturbations of sterile neutrino dark matter,”
Phys. Rev. D 73 (2006) 063506, arXiv:astro-ph/0511630.

– 12 –

http://dx.doi.org/10.1103/PhysRevLett.72.17
http://dx.doi.org/10.1103/PhysRevLett.72.17
http://arxiv.org/abs/hep-ph/9303287
http://dx.doi.org/10.1103/PhysRevD.73.063506
http://arxiv.org/abs/astro-ph/0511630


[3] A. Boyarsky, M. Drewes, T. Lasserre, S. Mertens, and O. Ruchayskiy, “Sterile neutrino Dark
Matter,” Prog. Part. Nucl. Phys. 104 (2019) 1–45, arXiv:1807.07938 [hep-ph].

[4] J. Kopp, “Sterile neutrinos as dark matter candidates,” SciPost Phys. Lect. Notes 36 (2022) 1,
arXiv:2109.00767 [hep-ph].

[5] A. Boyarsky, O. Ruchayskiy, and D. Iakubovskyi, “A Lower bound on the mass of Dark Matter
particles,” JCAP 03 (2009) 005, arXiv:0808.3902 [hep-ph].

[6] S. Horiuchi, P. J. Humphrey, J. Onorbe, K. N. Abazajian, M. Kaplinghat, and
S. Garrison-Kimmel, “Sterile neutrino dark matter bounds from galaxies of the Local Group,”
Phys. Rev. D 89 no. 2, (2014) 025017, arXiv:1311.0282 [astro-ph.CO].

[7] E. Bulbul, M. Markevitch, A. Foster, R. K. Smith, M. Loewenstein, and S. W. Randall,
“Detection of An Unidentified Emission Line in the Stacked X-ray spectrum of Galaxy
Clusters,” Astrophys. J. 789 (2014) 13, arXiv:1402.2301 [astro-ph.CO].

[8] A. Boyarsky, O. Ruchayskiy, D. Iakubovskyi, and J. Franse, “Unidentified Line in X-Ray
Spectra of the Andromeda Galaxy and Perseus Galaxy Cluster,” Phys. Rev. Lett. 113 (2014)
251301, arXiv:1402.4119 [astro-ph.CO].

[9] A. Boyarsky, J. Franse, D. Iakubovskyi, and O. Ruchayskiy, “Checking the Dark Matter Origin
of a 3.53 keV Line with the Milky Way Center,” Phys. Rev. Lett. 115 (2015) 161301,
arXiv:1408.2503 [astro-ph.CO].

[10] D. Malyshev, A. Neronov, and D. Eckert, “Constraints on 3.55 keV line emission from stacked
observations of dwarf spheroidal galaxies,” Phys. Rev. D 90 (2014) 103506, arXiv:1408.3531
[astro-ph.HE].

[11] T. Tamura, R. Iizuka, Y. Maeda, K. Mitsuda, and N. Y. Yamasaki, “An X-ray Spectroscopic
Search for Dark Matter in the Perseus Cluster with Suzaku,” Publ. Astron. Soc. Jap. 67 (2015)
23, arXiv:1412.1869 [astro-ph.HE].

[12] Hitomi Collaboration, F. A. Aharonian et al., “Hitomi constraints on the 3.5 keV line in the
Perseus galaxy cluster,” Astrophys. J. Lett. 837 no. 1, (2017) L15, arXiv:1607.07420
[astro-ph.HE].

[13] C. Dessert, N. L. Rodd, and B. R. Safdi, “The dark matter interpretation of the 3.5-keV line is
inconsistent with blank-sky observations,” Science 367 no. 6485, (2020) 1465–1467,
arXiv:1812.06976 [astro-ph.CO].

[14] K. N. Abazajian, “Technical Comment on ”The dark matter interpretation of the 3.5-keV line is
inconsistent with blank-sky observations”,” arXiv:2004.06170 [astro-ph.HE].

[15] M. Viel, J. Lesgourgues, M. G. Haehnelt, S. Matarrese, and A. Riotto, “Constraining warm
dark matter candidates including sterile neutrinos and light gravitinos with WMAP and the
Lyman-alpha forest,” Phys. Rev. D 71 (2005) 063534, arXiv:astro-ph/0501562.

[16] A. Boyarsky, O. Ruchayskiy, and M. Shaposhnikov, “The Role of sterile neutrinos in cosmology
and astrophysics,” Ann. Rev. Nucl. Part. Sci. 59 (2009) 191–214, arXiv:0901.0011 [hep-ph].

[17] I. A. Zelko, T. Treu, K. N. Abazajian, D. Gilman, A. J. Benson, S. Birrer, A. M. Nierenberg,
and A. Kusenko, “Constraints on Sterile Neutrino Models from Strong Gravitational Lensing,
Milky Way Satellites, and the Lyman-α Forest,” Phys. Rev. Lett. 129 no. 19, (2022) 191301,
arXiv:2205.09777 [hep-ph].

[18] C. Yèche, N. Palanque-Delabrouille, J. Baur, and H. du Mas des Bourboux, “Constraints on
neutrino masses from Lyman-alpha forest power spectrum with BOSS and XQ-100,” JCAP 06
(2017) 047, arXiv:1702.03314 [astro-ph.CO].

[19] D. Gilman, S. Birrer, A. Nierenberg, T. Treu, X. Du, and A. Benson, “Warm dark matter chills
out: constraints on the halo mass function and the free-streaming length of dark matter with

– 13 –

http://dx.doi.org/10.1016/j.ppnp.2018.07.004
http://arxiv.org/abs/1807.07938
http://dx.doi.org/10.21468/SciPostPhysLectNotes.36
http://arxiv.org/abs/2109.00767
http://dx.doi.org/10.1088/1475-7516/2009/03/005
http://arxiv.org/abs/0808.3902
http://dx.doi.org/10.1103/PhysRevD.89.025017
http://arxiv.org/abs/1311.0282
http://dx.doi.org/10.1088/0004-637X/789/1/13
http://arxiv.org/abs/1402.2301
http://dx.doi.org/10.1103/PhysRevLett.113.251301
http://dx.doi.org/10.1103/PhysRevLett.113.251301
http://arxiv.org/abs/1402.4119
http://dx.doi.org/10.1103/PhysRevLett.115.161301
http://arxiv.org/abs/1408.2503
http://dx.doi.org/10.1103/PhysRevD.90.103506
http://arxiv.org/abs/1408.3531
http://arxiv.org/abs/1408.3531
http://dx.doi.org/10.1093/pasj/psu156
http://dx.doi.org/10.1093/pasj/psu156
http://arxiv.org/abs/1412.1869
http://dx.doi.org/10.3847/2041-8213/aa61fa
http://arxiv.org/abs/1607.07420
http://arxiv.org/abs/1607.07420
http://dx.doi.org/10.1126/science.aaw3772
http://arxiv.org/abs/1812.06976
http://arxiv.org/abs/2004.06170
http://dx.doi.org/10.1103/PhysRevD.71.063534
http://arxiv.org/abs/astro-ph/0501562
http://dx.doi.org/10.1146/annurev.nucl.010909.083654
http://arxiv.org/abs/0901.0011
http://dx.doi.org/10.1103/PhysRevLett.129.191301
http://arxiv.org/abs/2205.09777
http://dx.doi.org/10.1088/1475-7516/2017/06/047
http://dx.doi.org/10.1088/1475-7516/2017/06/047
http://arxiv.org/abs/1702.03314


eight quadruple-image strong gravitational lenses,” Mon. Not. Roy. Astron. Soc. 491 no. 4,
(2020) 6077–6101, arXiv:1908.06983 [astro-ph.CO].

[20] M. Viel, G. D. Becker, J. S. Bolton, and M. G. Haehnelt, “Warm dark matter as a solution to
the small scale crisis: New constraints from high redshift Lyman-α forest data,” Phys. Rev. D
88 (2013) 043502, arXiv:1306.2314 [astro-ph.CO].

[21] E. O. Nadler, S. Birrer, D. Gilman, R. H. Wechsler, X. Du, A. Benson, A. M. Nierenberg, and
T. Treu, “Dark Matter Constraints from a Unified Analysis of Strong Gravitational Lenses and
Milky Way Satellite Galaxies,” Astrophys. J. 917 no. 1, (2021) 7, arXiv:2101.07810
[astro-ph.CO].

[22] V. Iršič et al., “New Constraints on the free-streaming of warm dark matter from intermediate
and small scale Lyman-α forest data,” Phys. Rev. D 96 no. 2, (2017) 023522,
arXiv:1702.01764 [astro-ph.CO].

[23] X.-D. Shi and G. M. Fuller, “A New dark matter candidate: Nonthermal sterile neutrinos,”
Phys. Rev. Lett. 82 (1999) 2832–2835, arXiv:astro-ph/9810076.

[24] K. N. Abazajian, “Resonantly Produced 7 keV Sterile Neutrino Dark Matter Models and the
Properties of Milky Way Satellites,” Phys. Rev. Lett. 112 no. 16, (2014) 161303,
arXiv:1403.0954 [astro-ph.CO].

[25] A. De Gouvêa, M. Sen, W. Tangarife, and Y. Zhang, “Dodelson-Widrow Mechanism in the
Presence of Self-Interacting Neutrinos,” Phys. Rev. Lett. 124 no. 8, (2020) 081802,
arXiv:1910.04901 [hep-ph].

[26] K. J. Kelly, M. Sen, and Y. Zhang, “Intimate Relationship between Sterile Neutrino Dark
Matter and ∆Neff,” Phys. Rev. Lett. 127 no. 4, (2021) 041101, arXiv:2011.02487 [hep-ph].

[27] S.-Y. Guo, X. Liu, and B. Zhu, “Axion-assisted Resonance Oscillation Rescues the
Dodelson-Widrow Mechanism,” arXiv:2209.11045 [hep-ph].

[28] R. An, V. Gluscevic, E. O. Nadler, and Y. Zhang, “Can Neutrino Self-interactions Save Sterile
Neutrino Dark Matter?,” arXiv:2301.08299 [astro-ph.CO].

[29] G. Alonso-Álvarez and J. M. Cline, “Sterile neutrino dark matter catalyzed by a very light dark
photon,” JCAP 10 (2021) 041, arXiv:2107.07524 [hep-ph].

[30] A. Berlin and D. Hooper, “Axion-Assisted Production of Sterile Neutrino Dark Matter,” Phys.
Rev. D 95 no. 7, (2017) 075017, arXiv:1610.03849 [hep-ph].

[31] H. Davoudiasl and J. Gehrlein, “Indirect signals of dark matter can change depending on where
you look,” Phys. Rev. D 107 no. 2, (2023) 023002, arXiv:2208.04964 [hep-ph].

[32] R. S. L. Hansen and S. Vogl, “Thermalizing sterile neutrino dark matter,” Phys. Rev. Lett. 119
no. 25, (2017) 251305, arXiv:1706.02707 [hep-ph].

[33] B. Batell and A. Ghalsasi, “Thermal Misalignment of Scalar Dark Matter,” arXiv:2109.04476
[hep-ph].

[34] J. F. Navarro, C. S. Frenk, and S. D. M. White, “A Universal density profile from hierarchical
clustering,” Astrophys. J. 490 (1997) 493–508, arXiv:astro-ph/9611107.

[35] P. Arias, D. Cadamuro, M. Goodsell, J. Jaeckel, J. Redondo, and A. Ringwald, “WISPy Cold
Dark Matter,” JCAP 06 (2012) 013, arXiv:1201.5902 [hep-ph].

[36] M. Kesden and M. Kamionkowski, “Tidal Tails Test the Equivalence Principle in the Dark
Sector,” Phys. Rev. D 74 (2006) 083007, arXiv:astro-ph/0608095.

[37] M. Kesden and M. Kamionkowski, “Galilean Equivalence for Galactic Dark Matter,” Phys.
Rev. Lett. 97 (2006) 131303, arXiv:astro-ph/0606566.

[38] H. Davoudiasl and P. P. Giardino, “Variation of α from a Dark Matter Force,” Phys. Lett. B
788 (2019) 270–273, arXiv:1804.01098 [hep-ph].

– 14 –

http://dx.doi.org/10.1093/mnras/stz3480
http://dx.doi.org/10.1093/mnras/stz3480
http://arxiv.org/abs/1908.06983
http://dx.doi.org/10.1103/PhysRevD.88.043502
http://dx.doi.org/10.1103/PhysRevD.88.043502
http://arxiv.org/abs/1306.2314
http://dx.doi.org/10.3847/1538-4357/abf9a3
http://arxiv.org/abs/2101.07810
http://arxiv.org/abs/2101.07810
http://dx.doi.org/10.1103/PhysRevD.96.023522
http://arxiv.org/abs/1702.01764
http://dx.doi.org/10.1103/PhysRevLett.82.2832
http://arxiv.org/abs/astro-ph/9810076
http://dx.doi.org/10.1103/PhysRevLett.112.161303
http://arxiv.org/abs/1403.0954
http://dx.doi.org/10.1103/PhysRevLett.124.081802
http://arxiv.org/abs/1910.04901
http://dx.doi.org/10.1103/PhysRevLett.127.041101
http://arxiv.org/abs/2011.02487
http://arxiv.org/abs/2209.11045
http://arxiv.org/abs/2301.08299
http://dx.doi.org/10.1088/1475-7516/2021/10/041
http://arxiv.org/abs/2107.07524
http://dx.doi.org/10.1103/PhysRevD.95.075017
http://dx.doi.org/10.1103/PhysRevD.95.075017
http://arxiv.org/abs/1610.03849
http://dx.doi.org/10.1103/PhysRevD.107.023002
http://arxiv.org/abs/2208.04964
http://dx.doi.org/10.1103/PhysRevLett.119.251305
http://dx.doi.org/10.1103/PhysRevLett.119.251305
http://arxiv.org/abs/1706.02707
http://arxiv.org/abs/2109.04476
http://arxiv.org/abs/2109.04476
http://dx.doi.org/10.1086/304888
http://arxiv.org/abs/astro-ph/9611107
http://dx.doi.org/10.1088/1475-7516/2012/06/013
http://arxiv.org/abs/1201.5902
http://dx.doi.org/10.1103/PhysRevD.74.083007
http://arxiv.org/abs/astro-ph/0608095
http://dx.doi.org/10.1103/PhysRevLett.97.131303
http://dx.doi.org/10.1103/PhysRevLett.97.131303
http://arxiv.org/abs/astro-ph/0606566
http://dx.doi.org/10.1016/j.physletb.2018.11.041
http://dx.doi.org/10.1016/j.physletb.2018.11.041
http://arxiv.org/abs/1804.01098


[39] S. C. F. Morris, A. M. Green, A. Padilla, and E. R. M. Tarrant, “Cosmological effects of
coupled dark matter,” Phys. Rev. D 88 no. 8, (2013) 083522, arXiv:1304.2196
[astro-ph.CO].

[40] V. Poulin, P. D. Serpico, and J. Lesgourgues, “A fresh look at linear cosmological constraints
on a decaying dark matter component,” JCAP 08 (2016) 036, arXiv:1606.02073
[astro-ph.CO].

[41] C. A. Argüelles, D. Delgado, A. Friedlander, A. Kheirandish, I. Safa, A. C. Vincent, and
H. White, “Dark Matter decay to neutrinos,” arXiv:2210.01303 [hep-ph].

[42] K. N. Abazajian and A. Kusenko, “Hidden treasures: Sterile neutrinos as dark matter with
miraculous abundance, structure formation for different production mechanisms, and a solution
to the σ8 problem,” Phys. Rev. D 100 no. 10, (2019) 103513, arXiv:1907.11696 [hep-ph].

[43] K. Petraki and A. Kusenko, “Dark-matter sterile neutrinos in models with a gauge singlet in
the Higgs sector,” Phys. Rev. D 77 (2008) 065014, arXiv:0711.4646 [hep-ph].

[44] D. Blas, J. Lesgourgues, and T. Tram, “The Cosmic Linear Anisotropy Solving System
(CLASS) II: Approximation schemes,” JCAP 07 (2011) 034, arXiv:1104.2933
[astro-ph.CO].

[45] P. B. Pal and L. Wolfenstein, “Radiative Decays of Massive Neutrinos,” Phys. Rev. D 25 (1982)
766.

[46] K. C. Y. Ng, B. M. Roach, K. Perez, J. F. Beacom, S. Horiuchi, R. Krivonos, and D. R. Wik,
“New Constraints on Sterile Neutrino Dark Matter from NuSTAR M31 Observations,” Phys.
Rev. D 99 (2019) 083005, arXiv:1901.01262 [astro-ph.HE].

[47] K. Perez, K. C. Y. Ng, J. F. Beacom, C. Hersh, S. Horiuchi, and R. Krivonos, “Almost closing
the νMSM sterile neutrino dark matter window with NuSTAR,” Phys. Rev. D 95 no. 12,
(2017) 123002, arXiv:1609.00667 [astro-ph.HE].

[48] A. Boyarsky, D. Malyshev, A. Neronov, and O. Ruchayskiy, “Constraining DM properties with
SPI,” Mon. Not. Roy. Astron. Soc. 387 (2008) 1345, arXiv:0710.4922 [astro-ph].

[49] J. M. Cline and A. R. Frey, “Consistency of dark matter interpretations of the 3.5 keV x-ray
line,” Phys. Rev. D 90 no. 12, (2014) 123537, arXiv:1410.7766 [astro-ph.CO].

– 15 –

http://dx.doi.org/10.1103/PhysRevD.88.083522
http://arxiv.org/abs/1304.2196
http://arxiv.org/abs/1304.2196
http://dx.doi.org/10.1088/1475-7516/2016/08/036
http://arxiv.org/abs/1606.02073
http://arxiv.org/abs/1606.02073
http://arxiv.org/abs/2210.01303
http://dx.doi.org/10.1103/PhysRevD.100.103513
http://arxiv.org/abs/1907.11696
http://dx.doi.org/10.1103/PhysRevD.77.065014
http://arxiv.org/abs/0711.4646
http://dx.doi.org/10.1088/1475-7516/2011/07/034
http://arxiv.org/abs/1104.2933
http://arxiv.org/abs/1104.2933
http://dx.doi.org/10.1103/PhysRevD.25.766
http://dx.doi.org/10.1103/PhysRevD.25.766
http://dx.doi.org/10.1103/PhysRevD.99.083005
http://dx.doi.org/10.1103/PhysRevD.99.083005
http://arxiv.org/abs/1901.01262
http://dx.doi.org/10.1103/PhysRevD.95.123002
http://dx.doi.org/10.1103/PhysRevD.95.123002
http://arxiv.org/abs/1609.00667
http://dx.doi.org/10.1111/j.1365-2966.2008.13003.x
http://arxiv.org/abs/0710.4922
http://dx.doi.org/10.1103/PhysRevD.90.123537
http://arxiv.org/abs/1410.7766


Pulsar timing residual induced by ultralight tensor dark matter

Yu-Mei Wu,1, 2, 3, ∗ Zu-Cheng Chen,4, 5, 6, † and Qing-Guo Huang1, 2, 3, ‡

1School of Fundamental Physics and Mathematical Sciences,
Hangzhou Institute for Advanced Study, UCAS, Hangzhou 310024, China

2School of Physical Sciences, University of Chinese Academy of Sciences, No. 19A Yuquan Road, Beijing 100049, China
3CAS Key Laboratory of Theoretical Physics, Institute of Theoretical Physics,

Chinese Academy of Sciences, Beijing 100190, China
4Department of Astronomy, Beijing Normal University, Beijing 100875, China

5Advanced Institute of Natural Sciences, Beijing Normal University, Zhuhai 519087, China
6Department of Physics and Synergistic Innovation Center for Quantum Effects and Applications,

Hunan Normal University, Changsha, Hunan 410081, China

Ultralight boson fields, with a mass around 10−23eV, are promising candidates for the elusive
cosmological dark matter. These fields induce a periodic oscillation of the spacetime metric in
the nanohertz frequency band, which is detectable by pulsar timing arrays. In this paper, we
investigate the gravitational effect of ultralight tensor dark matter on the arrival time of radio
pulses from pulsars. We find that the pulsar timing signal caused by tensor dark matter exhibits
a different angular dependence than that by scalar and vector dark matter, making it possible to
distinguish the ultralight dark matter signal with different spins. Combining the gravitational effect
and the coupling effect of ultralight tensor dark matter with standard model matter provides a
complementary way to constrain the coupling parameter α. We estimate α . 10−6 ∼ 10−5 in the
mass range m < 5× 10−23eV with current pulsar timing array.

I. INTRODUCTION

Numerous cosmological observations [1–4] have provided overwhelming support for the existence of dark matter,
and precise analyses of cosmic microwave background (CMB) [5] in particular have estimated the fraction of dark
matter in the total energy of the Universe. However, the nature and properties of dark matter, such as its composition
and interaction with the Standard Model (SM), remain mysterious. There are plenty dark matter candidates [6–8],
from tiny axion-like particles with mass around 10−22 eV [9] to planet-sized massive compact halo objects (MACHOs)
of m ∼ M� [10]. Among the bunch candidates, the weakly interactive massive particles (WIMPs) are expected to
be highly desirable. However, despite considerable efforts in searching for them, no signal of WIMPs has yet been
observed [11].

In recent years, ultralight dark matter (ULDM) with a mass around 10−23 eV has attracted wide attention [12, 13].
The ULDM is assumed to be condensed before inflation and oscillates coherently when its mass is larger than the
Hubble scale [14]. On the one hand, ULDM moves at a non-relativistic speed, retaining the advantages of traditional
cold dark matter to explain the large-scale structure of galaxies. On the other hand, its large de Broglie wavelength
can suppress the structure on small scales, providing feasible solutions to the puzzles encountered by the traditional
cold dark matter [13, 15], such as the core-cusp problem [16, 17] and missing-satellites problem [18, 19].

ULDM has been traditionally represented by scalar [12, 13, 20] or pseduo-scalar fields (spin-0) such as axion-like
particles [21–24]. However, fields with higher spins, such as the massive vector fields (spin-1), can also act as alternative
candidates for ULDM. Although ULDM candidates with different spins share many similarities in the cosmological
phenomena, each possesses specific features. For instance, the massive vector particles can interact with SM particles
if they are gauge bosons for U(1)B (“B” refers to baryon) or U(1)B−L (“L” refers to lepton) symmetry [25], and their
multiple polarization modes may cause anisotropies in certain experiments [26].

Recently, massive tensor fields (spin-2) have been proposed as another viable candidate for dark matter [27–30].
The tensor ULDM can be naturally predicted by a ghost-free bimetric theory [31] in some mass range [32]. This
theory has two mass eigenstates at the linearized level: a massless spin-2 field Gµν and a massive spin-2 field Mµν . At
nonlinear levels, the expansion of the action [28, 29, 32] reveals that the self-interaction terms of the massless graviton
Gµν exactly match the Einstein-Hilbert structure. Meanwhile, the massive mode gravitates with the same strength
as SM matter. But it lacks terms that combine Mµν in linear order and Gµν in any order. As a result, the terms
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with Gµν can be partially resumed up to an effective background gµν . In contrast, the massive fluctuation Mµν can
be treated as a propagating massive spin-2 field on the background gµν .

The ULDM can leave imprints on cosmological and astrophysical observables. Its mass range and properties have
been explored by many experiments, such as CMB [22, 33], Lyman-α [34], non-observation of superradiance [35],
secular variations in binary-pulsar orbital parameters [36, 37], etc. In particular, for dark matter fields with a mass
around 10−23 eV, pulsar timing arrays (PTAs) provide a powerful tool for exploring both its gravitational and non-
gravitational properties [20, 26, 38–43]. A PTA consists of a set of millisecond pulsars for which the arrival time of the
emitted radio pulses are monitored with high precision for decades [44–46], recording the spacetime disturbances in
the nanohertz range. The coherent motion of ULDM carrying energy and momentum induces nontrivial oscillations
of the metric [20, 26], which can leave a mark on the timing residuals of PTA, known as the “gravitational effect”.
Additionally, if ULDM interacts with SM particles, it can lead to pulsar spin fluctuations and reference clock shifts
due to the induced variations in fundamental constants of the SM [47] or can exert periodic forces on both the pulsar
and Earth, resulting in relative displacements between them [41]. These effects are called the “coupling effect” and
can cause timing residuals.

The specific form of the pulsar timing signal depends on the spin of ULDM. One unique aspect of tensor dark
matter is that it naturally couples to SM fields without manually adding a fifth force to mimic the modification of
gravity. This coupling effect on the PTA has been investigated in previous studies [43, 48, 49]. In our present work, we
will instead focus on the gravitational effect of the tensor dark matter on PTA, which we expect to be different from
that of the scalar and vector dark matter because of possessing more polarization modes. The paper is organized as
follows. In Section II, we show the time-dependent spacetime perturbations induced by the oscillating tensor ULDM.
In Section III, we derive the pulsar timing residuals induced by the tensor ULDM from the gravitational effect. We
also discuss the constraints that can be inferred from current data and compare the gravitational and coupling effects
in IV. In Section V, we summarize the results.

II. METRIC PERTURBATIONS INDUCED BY TENSOR ULDM

The action for a massive spin-2 filed Mµν propagating on a background gµν can be formally written as [32]

S =
M2

P

2

∫
d4x
√
−gR(g) +

∫
d4x
√
−gL(2)

FP(M) +O(M3
µν), (1)

where MP is the reduced Planck mass, and L(2)
FP(M) is the quadratic Fierz-Pauli Lagrangian,

L(2)
FP(M) =

1

8

[
−∇ρMµν∇ρMµν + 2∇ρMµν∇νMµρ − 2∇νMµν∇µM +∇µM∇µM +m2(M2 −MµνM

µν)
]

(2)

with the trace M = Mµ
µ. The cosmic expansion is negligible on galactic scales, so we treat the background to be

flat. The equation of motion of the tensor fields can be derived from the action Eq. (1) by taking the variation with
respect to Mµν ,

�Mµν − (∂µ∂ρM
νρ + ∂ν∂ρM

µρ) + ηµν∂ρσM
ρσ + ∂µνM − ηµν�M = m2(Mµν − ηµνM). (3)

Applying ∂µ to both sides of Eq. (3), the left-hand side gives zero identically, so we obtain

m2∂µ(Mµν − ηµνM) = 0. (4)

Further, taking the trace of both sides of Eq. (3), we get

2∂µ∂ν(Mµν − ηµνM) = −3m2M. (5)

With Eq. (4) and Eq. (5), we can rewrite Eq. (3) into a set of equations for a massive tensor field in the standard
form

M = 0, (6)

∂µM
µν = 0, (7)

(�−m2)Mµν = 0. (8)

Now we consider the scenario where the spin-2 fields with an ultralight mass act as the dark matter following the
discussion in Refs. [20, 26, 43]. For ULDM with the typical mass m ∼ 10−23eV and the typical velocity in the galaxy
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v ∼ 10−3, the occupation number can be estimated to be as high as 1095, allowing us to treat the ultralight field as a
classical wave. The wave is characterized by a typical wave number k = mv and frequency ω ≈ m+mv2/2 ≈ m due
to the non-relativistic velocity. Additionally, the de Broglie wavelength of the ULDM can be calculated as

λdB =
2π

k
≈ 4kpc

(
10−23eV

m

)(
10−3

v

)
, (9)

indicating the spin-2 field oscillates coherently with a monochromatic frequency determined by its mass on the scale
of λdB.

We return to Eqs. (6-8). Note that the constraint in Eq. (7) indicates that M00 is suppressed by the order of
k/m = v ∼ 10−3 compared to M0j , while M0j is suppressed by the same order compared to M ij . Thus, we can
neglect all the time components M0µ. Since the remains six spatial components Mij are subject to the traceless
constraint in Eq. (6), the solution to Eq. (8) is given by

Mij(t,x) = A(x) cos(mt+ α(x))εij . (10)

We have neglected the spatial derivatives when solving the equation but retain the spatial dependence of the amplitude
A(x) and the phase α(x). The symmetric, traceless matrix εij with a unit norm encoding the five free degrees of
freedom of the massive spin-2 fields is [36],

εij =
1√
2

εT cosχ− εS/
√

3 εT sinχ εV cos ξ

εT sinχ −εT cosχ− εS/
√

3 εV sin ξ

εV cos ξ εV sin ξ 2εS/
√

3

. (11)

The amplitude parameters εS, εV, and εT, satisfying ε2S + ε2V + ε2T = 1, represent the ratios of the scalar, vector,
and tensor sector of the massive spin-2 fields, respectively. Meanwhile, the angle parameters ξ and χ determine the
azimuthal direction of the helicity-±1 and helicity-±2 modes, respectively.

Now let’s focus on the metric perturbation induced by the oscillating fields. Using the definition of energy-
momentum from the matter fields,

Tµν =
−2√
−g

δS

δgµν
, (12)

the energy-momentum of the massive spin-2 fields in a flat background is given by,

Tµν = −1

8

[
ηµν

(
∂λM

γδ∂λMγδ +m2MγδMγδ

)
− 2∂µMγδ∂νM

γδ − 4∂λMµδ∂
λMδ

ν − 4m2MµδM
δ
ν

]
. (13)

with the corresponding time-dependent energy density

T00 =
1

8
m2A(x)2 = ρTF(x), (14)

and the oscillating spatial components

Tij =
1

24
m2A(x)2cos(2mt+2α(x))

×

−(ε2S+ 4
√

3εSεTcχ− 3(ε2T+ ε2Vc2ξ)) −4
√

3εSεTsχ+ 3ε2Vs2ξ 2εV(
√

3εScξ+ 3εTcχ−ξ)

−4
√

3εSεTsχ+ 3ε2Vs2ξ −(ε2S− 4
√

3εSεTcχ− 3ε2T+ 3ε2Vc2ξ) 2εV(
√

3εSsξ+ 3εTsχ−ξ)

2εV(
√

3εScξ + 3εTcχ−ξ) 2εV(
√

3εSsξ + 3εTsχ−ξ) 5ε2S − 3ε2T + 3ε2V

 . (15)

Here we have used the notation cx = cosx and sx = sinx following Ref. [36]. Note that although the anisotropic
pressure Tij oscillate with the frequency,

ω = 2m, (16)

it averages to zero on the cosmological time scales, much larger than the oscillation period. Thus, the coherently
oscillating spin-2 massive fields can be considered the pressureless non-relativistic matter. However, as shown below,
the oscillating spatial components induce oscillation in spacetime metric, leading to observable effects in PTAs.

The oscillating massive spin-2 fields generate disturbance in the galactic-scale flat metric, which can be expressed
as

ds2 = − [1 + 2Φ(t,x)] dt2 + [1 + 2Ψ(t,x)] δijdx
idxj + hij(t,x)dxidxj , (17)
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where the perturbations are described by Φ, Ψ and hij . The spatial perturbation has been particularly decomposed
into a trace part Ψ and a traceless part hij as the spatial components of the energy-momentum are anisotropic.
Accordingly, we also decompose the symmetric Tij into

Tij =
1

3
δijT

k
k +

(
Tij −

1

3
δijT

k
k

)
, (18)

where the first term corresponds the trace part and the second term corresponds to the traceless part. From Eq. (15),
we obtain

T kk =
1

8
m2A(x)2 cos(2mt+ 2α(x)), (19)

and

Tij −
1

3
δijT

k
k

=
1

24
m2A(x)2 cos(2mt+2α(x))

×

−(2ε2S− 2ε2T+ ε2V+ 4
√

3εSεTcχ− 3ε2Vc2ξ) −4
√

3εSεTsχ+ 3ε2Vs2ξ 2εV(
√

3εScξ+ 3εTcχ−ξ)

−4
√

3εSεTsχ+ 3ε2Vs2ξ −(2ε2S− 2ε2T+ ε2V− 4
√

3εSεTcχ+ 3ε2Vc2ξ) 2εV(
√

3εSsξ+ 3εTsχ−ξ)

2εV(
√

3εScξ+ 3εTcχ−ξ) 2εV(
√

3εSsξ+ 3εTsχ−ξ) 2(2ε2S − 2ε2T+ ε2V)

 .

(20)

Now we can solve the metric perturbations in Eq. (17). We will start with the trace part. In the Newtonian gauge,
the metric is given by

ds2 = −(1 + 2Φ(t,x))dt2 + (1 + 2Ψ(t,x))δijdx
idxj . (21)

We can split the gravitational potentials Φ and Ψ into a dominant time-independent part and a time-dependent part
oscillating with the frequency ω as follows,

Φ(t,x) ≈ Φ0(x) + Φosc cos(ωt+ 2α(x)),

Ψ(t,x) ≈ Ψ0(x) + Ψosc cos(ωt+ 2α(x)), (22)

where Φosc and Ψosc are the oscillation amplitudes. We can determine the time-independent part Ψ0(x) by solving
the 00 component of the linearized Einstein equations,

∂i∂
iΨ = −4πGT00 = −4πGρTF(x). (23)

The oscillating part of Ψ can be found by taking the trace of the spatial components of the linearized Einstein
equations,

− 3Ψ̈ + ∂i∂
i(Φ + Ψ) = 4πGT kk, (24)

of which the time-independent part implies that Φ0 = −Ψ0. Therefore, the oscillation amplitude Ψosc is

Ψosc =
1

24
πGA2(x) =

πGρTF(x)

3m2
. (25)

Next, we turn to the traceless part of the metric perturbation, hij . The metric, in this case, is given by

ds2 = −dt2 + [δij + hij(t,x)] dxidxj , (26)

with hii = 0. After neglecting the suppressed spatial gradients ∂2
khij , the linearized Einstein equation yields

ḧij = 16πG

(
Tij −

1

3
δijT

k
k

)
, (27)

The traceless part of the metric perturbation can then be obtained as

hij(t,x) = −1

6
πGA2(x) cos(2mt+ 2α(x))

×

−(2ε2S− 2ε2T+ ε2V+ 4
√

3εSεTcχ− 3ε2Vc2ξ) −4
√

3εSεTsχ+ 3ε2Vs2ξ 2εV(
√

3εScξ+ 3εTcχ−ξ)

−4
√

3εSεTsχ+ 3ε2Vs2ξ −(2ε2S− 2ε2T+ ε2V− 4
√

3εSεTcχ+ 3ε2Vc2ξ) 2εV(
√

3εSsξ+ 3εTsχ−ξ)

2εV(
√

3εScξ+ 3εTcχ−ξ) 2εV(
√

3εSsξ+ 3εTsχ−ξ) 2(2ε2S − 2ε2T+ ε2V)

 .
(28)

Similar to the amplitude of the oscillation in the trace part Ψosc, we define the amplitude of the oscillation in the
traceless part by

hosc(x) ≡ 1

6
πGA2(x) =

4πGρTF(x)

3m2
. (29)
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III. TIMING RESIDUAL INDUCED BY TENSOR ULDM WITH GRAVITATIONAL EFFECT

The time-dependent metric, Eq. (22) and Eq. (28), induced by the oscillating fields will cause a redshift and time
delay for any propagating signal. One such signal is the radio pulse emitted by millisecond pulsars, which can be
measured with extremely high timing precision and provide a natural tool for probing oscillating ULDM. In the
following, we will derive the timing residual induced by tensor ULDM considering the gravitational effect.

Consider a pulse propagating from a pulsar to the Earth, the redshift is defined as the relative frequency change of
the pulse,

z(t) =
ω0 − ωobs(t)

ω0
, (30)

where ω0 is the angular frequency of the pulse when emitting and ωobs(t) is the observed angular frequency at the
Earth at time t. Integrating the redshift gives the arrival time of the pulse

R(t) =

∫ t

0

dt z(t′). (31)

Solving the photon geodesic equation under the perturbed metric provides the frequency shift. For the trace part
and traceless part, the corresponding redshifts are [26],

zΨ(t) = Ψ(t,xe)−Ψ(t− |xp|,xp), (32)

zh(t) =
1

2
p̂ip̂j [hij(t,xe)− hij(t− |xp|,xp)], (33)

where p̂ = (sin θ cosφ, sin θ sinφ, cos θ) denotes a unit vector pointing from the Earth to the pulsar, and xe and xp
represent the location of the Earth and the pulsar, respectively. Since most monitored pulsars are located relatively
close to the Earth (within 2 kpc), we assume that the tensor ULDM has the same oscillation amplitude A at both
the Earth and the pulsar. The total redshift is given by

zt(t) = zΨ(t) + zh(t)

=
1

24
πGA2

[
ε2S(−1− 6 cos 2θ) + ε2T(3 + 6 cos 2θ)− 3ε2V cos 2θ + 8

√
3εSεT cos(2φ− χ) sin2 θ

−2εV

(
2
√

3εS cos(φ− ξ) sin 2θ + 6εT cos(φ− χ+ ξ) sin 2θ + 3εV cos 2(φ− ξ) sin2 θ
)]

× [cos(2mt+ 2α(xe))− cos (2m(t− |xp|) + 2α(xp))]

= −2πGρTF

3m2

[
ε2S(−1− 6 cos 2θ) + ε2T(3 + 6 cos 2θ)− 3ε2V cos 2θ + 8

√
3εSεT cos(2φ− χ) sin2 θ

−2εV

(
2
√

3εS cos(φ− ξ) sin 2θ + 6εT cos(φ− χ+ ξ) sin 2θ + 3εV cos 2(φ− ξ) sin2 θ
)]

× sin(αe − αp) sin (2mt+ αe + αp) , (34)

where we defined the phases in Earth term and pulsar term as αe = α(xe) and αp = α (xp) −m |xp|, respectively.
Correspondingly, the timing residuals read,

Rt =
πGρTF

3m3

[
ε2S(−1− 6 cos 2θ) + ε2T(3 + 6 cos 2θ)− 3ε2V cos 2θ + 8

√
3εSεT cos(2φ− χ) sin2 θ

−2εV

(
2
√

3εS cos(φ− ξ) sin 2θ + 6εT cos(φ− χ+ ξ) sin 2θ + 3εV cos 2(φ− ξ) sin2 θ
)]

× sin(αe − αp) cos (2mt+ αe + αp) . (35)

Note that the total timing residual of the tensor ULDM depends on the amplitudes and azimuthal directions of
all three sectors (scalar, vector, and tensor) as well as the pulsar’s spatial orientation, resulting in a complicated
anisotropy. Fig. 1 provides several examples of this complexity: subfigures (a)-(c) show scenarios where only one of
the sectors exists, and subfigure (d) displays a more representative case containing all three sectors.

As reported in [50], similar to the situation for spin-1 fields as discussed in [51], the longitudinal scalar mode of
the massive spin-2 field is more abundantly generated than the longitudinal-transverse vector and transverse tensor
polarization modes. Here and after, we restrict ourselves to the scalar mode of the tensor ULDM, namely case a) in
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zΨ

zh

zt

,

zΨ

zh

zt

FIG. 1. The redshift induced by the tensor ULDM under four different cases: (a) only the scalar mode exists: εS = 1, εT =
εV = 0; (b) only the tensor modes exist: εT = 1, εS = εV = 0; (c) only the vector modes exist: εV = 1, εS = εT = 0; (d) all five

polarization modes exist with the specific values: εV = εS = εT =
√

3
3

and χ = ξ = π
4

. The orange surface and blue surface
represent the contribution of the trace part Eq. (32) and the traceless part Eq. (33), respectively; their summation, the total
redshift Eq. (34), is depicted by the green surface.
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Fig. 1 where εS = 1, εT = εV = 0. To highlight the physical implications behind this case, we will explicitly derive the
timing residual induced by the scalar sector below. The corresponding equation of motion can be written as

Mij =
1√
6
A(x) cos(mt+ α(x))

−1 0 0
0 −1 0
0 0 2

 , (36)

and the nonvanishing energy-momentum components are

T00 =
1

8
m2A(x)2, (37)

Txx = Tyy = − 1

24
m2A(x)2 cos(2mt+ 2α(x)), (38)

Tzz =
5

24
m2A(x)2 cos(2mt+ 2α(x)). (39)

In this case, the metric perturbations Ψ(x) and hij(x) induced by the trace and traceless parts of the energy-momentum
can be expressed as

Ψ(x) = Ψ0 +
1

24
πGA(x)2 cos(2mt+ 2α(x)),

hij(x) =
1

3
πGA(x)2 cos(2mt+ 2α(x))

1 0 0
0 1 0
0 0 −2

 . (40)

These perturbations lead to redshifts zΨ (Eq. (32)) and zh (Eq. (33)) in the pulsar timing signal, which add up to
yield the total redshift

zt = zΨ + zh

= −πGρTF

3m2
(1 + 6 cos 2θ)× [cos(2mt+ 2α(xe))− cos (2m(t− |xp|) + 2α(xp))] . (41)

Integrating the redshift results in the final timing residual,

Rt = −πGρTF

3m3
(1 + 6 cos 2θ) sin(αe − αp) cos (2mt+ αe + αp) . (42)

The above expression can also be derived by simply plugging the conditions εS = 1 and εT = εV = 0 into Eq. (35).
Recall that the coherent oscillations of scalar and vector ULDM also generate timing residuals [20, 26],

Rscalar =
πGρSF

m3
sin(αe − αp) cos (2mt+ αe + αp) , (43)

Rvector = −πGρVF

m3
(1 + 2 cos 2θ) sin(αe − αp) cos (2mt+ αe + αp) , (44)

where ρSF and ρVF denote the energy density of the scalar fields and vector fields, respectively. As illustrated in
Fig. 2, the amplitude and angular dependence of the signals induced by ULDM of different spins differ significantly.
Notably, the timing residuals of scalar ULDM are isotropic, while those of vector ULDM and tensor ULDM exhibit
nontrivial direction dependence.
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N

FIG. 2. The redshift induced by oscillating ULDM with different spins. The red, purple and green lines represent the cases
of the scalar, vector and tensor ULDM, respectively. The direction of oscillation is chosen along the z-axis for the vector and
tensor ULDM.

IV. ESTIMATING THE LIMITS WITH CURRENT PTA

Several PTA data sets have been utilized to search for the scalar or the vector ULDM [39, 40, 42]. To make an
approximate prediction of the tensor ULDM using the existing results, we take the average of Eq. (35) over the
celestial sphere p̂, which gives

R̄t =

√
23

15

πGρTF

m3
× sin(αe − αp) cos (2mt+ αe + αp) . (45)

Because of the system’s symmetry, the average timing residuals from the gravitational effect do not depend on the
five parameters describing the quadruple but only on the energy density of the tensor ULDM ρTF. To utilize previous
results and facilitate later discussion, we replace ρTF with the unique quantity hosc from the gravitational effect that
is directly constrained by PTA experiments. Using the relationship Eq. (29), we obtain

R̄t =
3

4

√
23

15

hosc

m
× sin(αe − αp) cos (2mt+ αe + αp) . (46)

In Fig. 3, we present the constraint on the amplitude hosc for tensor ULDM, which is reproduced from the bounds on
the vector ULDM by the second dataset release of the Parkes PTA collaboration (PPTA DR2) [42].

Moreover, the spin-2 massive fields are universally coupled to the SM matter as a requirement of self-consistency
of the model, which would cause a time delay for a pulse signal. The timing residual from the coupling effect is given
by [43],

R̄c =

√
1

15

2α
√
ρTF

m2MP
× sin(

αe − αp
2

) cos

(
mt+

αe + αp
2

)
, (47)

which depends on both the coupling α and the energy density ρTF. Note that the timing residuals induced by the
coupling effect, R̄c, and the gravitational effect, R̄t, have frequencies of m and 2m, respectively. If the spin-2 fields
with a certain mass m make up a significant fraction of the dark matter and the two effects are comparable, we



9

will observe two signals in the PTA frequency band, with one having a frequency that is twice that of the other.
Theoretically, it is difficult to determine the values of the two quantities α and ρTF from the coupling effect, as they
are degenerate. However, we can first use the pure gravitational effect, given by Eq. (45), which depends solely on
ρTF, to determine whether massive spin-2 fields make up all dark matter. If we cannot exclude this possibility, we
can estimate an upper bound for α using Eq. (46) and Eq. (47),

α <
3
√

23

2

MP√
ρ0
mhosc, (48)

where ρ0 = 0.4GeV/cm3 is the measured local energy density [52]. If the spin-2 fields cannot make up all the dark
matter, we need to estimate α using the ρTF obtained from the gravitational effect. In Fig. 3, we demonstrate several
cases with different values of the coupling α. We estimate that the coupling could get constrained at the level of
10−6 ∼ 10−5 in the mass range m < 5× 10−23eV with current PTA data.

10 23 10 22

Boson mass [eV]

10 15

10 14

10 13

10 12

h o
sc

= 10 7

= 10 6

= 10 5

= 10 4

= 10 3predicted amplitude

FIG. 3. PPTA bounds on the potential amplitude hosc induced by tensor ULDM versus the ULDM mass m. The black
dot-dashed line denotes the model amplitude hosc when assuming ρTF = 0.4GeV/cm3. The green dashed line represents the
deductive coupling effect from hosc for several values of the ULDM coupling α.

V. CONCLUSION

In this work, we explore the gravitational effect of tensor ULDM on pulsar timing residuals. As a form of energy,
the oscillating tensor field perturbs the spacetime geometry, resulting in the timing residuals that take the form
of a sine function with a frequency equal to twice the particle mass, as shown in Eq. (35). Although the timing
residuals of tensor ULDM depend on all five parameters describing the spin-2 quadrupole, it is pointed by [50] that
the gravitationally-produced massive spin-2 particles are predominantly longitudinally polarized, leading to a simpler
expression Eq. (42) that still retains anisotropies. We find that the pulsar timing signal induced by the tensor ULDM
exhibits a different angular dependence than that by the scalar and vector ULDM, as shown in Fig. 2.

Besides the gravitational effect, the coupling between the tensor ULDM and SM matter also produces sine-shaped
timing residuals, depending both on the coupling α and the energy density of tensor fields ρTF. In previous studies, the
upper bound of α was estimated by assuming that the tensor ULDM constitutes all dark matter, which is reasonable
since the current sensitivity is insufficient to exclude the assumption. However, as experimental precision continues
to improve, it may become possible to use the gravitational effects to determine whether massive spin-2 fields can
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account for all dark matter. In such cases, it would be necessary to re-evaluate the coupling parameter using an
updated energy density of the tensor ULDM. We present an estimation using this approach with PPTA DR2 in
Fig. 3.

The timing residuals induced by scalar ULDM, vector ULDM, and tensor ULDM, as well as those induced by
continuous gravitational waves emitted by a single supermassive black hole binary [53], exhibit distinct angular
dependence. Therefore, the angular pattern of timing residuals can be used to distinguish different sources with PTA.
However, just as disentangling multiple astrophysical and cosmological stochastic gravitational wave backgrounds is
challenging [54], it may also be difficult to differentiate these monochromatic signals from each other. Therefore,
investigating how they can be distinguished is an interesting research topic. In addition to the angular dependence,
the correlation pattern of the timing residuals can be another tool to resolve different sources [49].
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Abstract The effect of proportional electroluminescence

(EL) is used to record the primary ionization signal

(S2) in the gas phase of two-phase argon detectors for

dark matter particle (WIMP) searches and low-energy

neutrino experiments. Our previous studies of EL time

properties revealed the presence of two unusual slow

components in S2 signal of two-phase argon detector,

with time constants of about 4-5 µs and 50 µs. The puz-

zle of slow components is that their time constants and

contributions to the overall signal increase with electric

field (starting from a certain threshold), which cannot

be explained by any of the known mechanisms of photon

and electron emission in two-phase media. There are

indications that these slow components result from de-

layed electrons, temporarily trapped during their drift

in the EL gap on metastable negative argon ions of yet

unknown nature. In this work, this hypothesis is con-

vincingly confirmed by studying the time properties of

electroluminescence in a Thick Gas Electron Multiplier

(THGEM) coupled to the EL gap of two-phase argon

detector. In particular, an unusual slow component in

EL signal, similar to that observed in the EL gap, was

observed in THGEM itself. In addition, with the help

of THGEM operated in electron multiplication mode,

the slow component was observed directly in the charge

signal, unambiguously confirming the effect of trapped

electrons in S2 signal. These results will help to un-

ravel the puzzle of slow components in two-phase argon

detectors and thus to understand the background in

low-mass WIMP searches.

Keywords two-phase detectors · liquid argon · dark

matter · slow components · metastable negative argon

ions · THGEM

ageffdroid@gmail.com (corresponding author)

1 Introduction

Two-phase argon and xenon detectors for dark mat-

ter search experiments [1] have achieved the current

best limits on WIMP-nucleon spin-independent cross-

section [2,3,4,5,6]. These detectors measure both prompt

primary scintillation signal (S1) and delayed primary

ionization signal (S2), the latter being recorded in the

gas phase using the effect of proportional electrolumi-

nescence (EL) [7].

According to modern concepts [7], there are three

mechanisms responsible for proportional EL in noble

gases: that of excimer emission in the vacuum ultravi-

olet (VUV), that of emission due to atomic transitions

in the near infrared (NIR), and that of neutral brems-

strahlung (NBrS) emission in the UV, visible and NIR

range. These three mechanisms are referred to as ex-

cimer (ordinary) EL, atomic EL and NBrS EL, respec-

tively. Let us briefly recall the details of these mecha-

nisms using the example of Ar.

NBrS EL is due to bremsstrahlung of drifting elec-

trons elastically scattered on neutral atoms [8,9,10,11,

12,13,14]:

e− + Ar→ e− + Ar + hν . (1)

It is fast (.1 ps) and has no threshold in energy and

thus in electric field.

Excimer EL is due to emission of noble gas ex-

cimers, in a singlet (Ar∗2(1Σ+
u )) or triplet (Ar∗2(3Σ+

u ))

state, produced in three-body atomic collisions of the

lowest excited atomic states, of Ar∗(3p54s) configura-

tion, which in turn are produced by drifting electrons

in electron-atom collisions (see reviews [1,7,15,16,17]):

e− + Ar→ e− + Ar∗(3p54s) ,

Ar∗(3p54s) + 2Ar→ Ar∗2(1,3Σ+
u ) + Ar ,

Ar∗2(1,3Σ+
u )→ 2Ar + hν . (2)
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It has a threshold in reduced electric field (E/N), of

about 4 Td (1 Td= 10−17 V cm2) [18,19], correspond-

ing to excitation of the lower energy levels of Ar∗(3p54s)

configuration. Singlet and triplet excimer states are re-

sponsible for respectively the fast (4.2 ns) and slow

(3.1 µs) component of excimer EL [16].

Atomic EL is due to atomic transitions between

the higher (Ar∗(3p54p)) and lower (Ar∗(3p54s)) excited

states, the former being also produced by drifting elec-

trons [18,20]:

e− + Ar→ e− + Ar∗(3p54p) ,

Ar∗(3p54p)→ Ar∗(3p54s) + hν . (3)

It is fast (20-40 ns) and has a threshold in reduced elec-

tric field of about 5 Td [18,19], corresponding to exci-

tation of the higher energy levels of Ar∗(3p54p) config-

uration.

Depending on the reduced electric field, some of var-

ious EL mechanisms dominate over the others, as illus-

trated in [7]. Namely, NBrS EL fully dominates below

4 Td. Excimer EL dominates above 4 Td in terms of the

absolute photon yield in the VUV range. However, in

the visible and NIR range, NBrS EL remains the main

mechanism up to 10 Td, while above 10 Td it is taken

over by atomic EL.

At low WIMP masses, near the detector thresh-

old, only the S2 signal is possible to detect, using the

so-called S2-only analysis [3,5]. In this case, a precise

model of expected background rates for S2 signals as

a function of detected number of electrons is required.

At the moment, there is discrepancy between the ob-

served and expected number of events in low-energy re-

gion, at low number of electrons, in DarkSide-50 [5] and

XENON1T [21] experiments. Such discrepancy may be

explained by the effect of delayed or trapped electrons.

Earlier observations of slow components and delayed

pulses on µs and ms scales in Xe [22,23,24,25,26,27,

28] indicate the presence of these delayed electrons in

two-phase Xe detectors.

In our previous works [19,29,30] it was shown that

these delayed electrons are likely present in two-phase

Ar detectors as well. In those works, the S2 time proper-

ties were studied in a wide range of electric fields using

proportional EL both in the VUV range and in that

of visible and NIR. The former is provided by excimer

EL while the latter is provided by NBrS EL. Two un-

usual slow components with time constants of about

4-5 µs and 50 µs, referred to as “slow” and “long” com-

ponent respectively, were observed. An example pulse

shape showing these components obtained in [19] at the

highest electric field and in the visible range is shown

in Fig. 1.

Fig. 1 Signal pulse shape from SiPM matrix facing the EL
gap of two-phase Ar detector obtained in [19] due to NBrS
EL in the visible and NIR range, with 238Pu alpha particles
at reduced electric field of 8.3 Td and pressure of 1.00 atm.
One can see the S1 signal as well as the S2 signal with one
fast and two slow components.

These slow components have the following puzzling

properties that have never been observed before for slow

components of conventional (excimer) scintillation:

1. There are two slow components in proportional

EL, observed simultaneously in the VUV and in the

visible and NIR range, with different time constants: of

about 4-5 µs and 50 µs.

2. Both slow components emerge at a certain thresh-

old in reduced electric field, of about 5 Td, regardless

of the gas phase density, which is 1 Td above the onset

of excimer EL, the latter being related to the lower ex-

cited atomic states Ar∗(3p54s). Accordingly, the 5 Td

threshold is related to the higher atomic excited states

Ar∗(3p54p), similarly to atomic EL in the NIR which

has the same threshold, of 5 Td (see discussion in [19]).

3. Another puzzling property of slow components

is that their contributions and time constants increase
with electric field, which cannot be explained by either

of the two known mechanisms of slow component for-

mation in two-phase Ar detectors, namely by electron

emission from liquid to gas phase [31,32] and by VUV

photon emission via triplet excimer state Ar∗2(3Σ+
u ) [1,

16]. In those mechanisms, the slow component contri-

bution and time constant either decrease with electric

field or do not depend on the electric field at all, re-

spectively.

4. An unexpected temperature dependence of the

50 µs component (and presumably that of 5 µs) was

observed in gaseous Ar: its contribution decreased with

temperature, practically disappearing at room temper-

ature.

All puzzling properties of slow components can be

successfully explained in the framework of hypothesis

[19] that these are produced in the EL gap in the charge

signal itself, due to temporarily trapping of drifting

electrons on metastable negative Ar ions of yet un-

known nature with lifetimes close to time constants of
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Fig. 2 Schematic view of the experimental setup (not to
scale).

the slow components, i.e. about 4 and 50 µs. Taking into

the account the 5 Td threshold, the formation of these

metastable Ar ions is related either to the Ar∗(3p54p)

states or some unknown state with similar energy level.

In the frame of this approach it is possible to explain

the temperature dependence of the slow components, if

one assumes that they are produced mostly at low tem-

peratures due to electron collisions with Van-der-Waals

molecules Ar2(X 1Σ+
g ) [16,33,34,35].

In this work, this hypothesis is verified by studying

the time properties of electroluminescence in a Thick

Gas Electron Multiplier (THGEM) coupled to the EL

gap of two-phase argon detector. The THGEM thus

worked as an additional “EL gap” of smaller thickness,

decoupled from the liquid-gas interface. If the hypoth-

esis is correct, the slow components should be observed

both in the EL gap and THGEM. In addition, with

the help of THGEM operated in an electron multipli-

cation (avalanche) mode, it is possible to observe the

slow component directly in the charge signal itself, un-

ambiguously confirming the effect of trapped electrons

in S2 signal. These studies will help to unravel the puz-

zle of slow components in two-phase Ar detectors and

thus to understand the background in low-mass WIMP

searches.

2 Experimental setup

Fig. 2 shows the scheme of the experimental setup.

Compared to our previous work [19], there are only a

few modifications: interface THGEM (THGEM0) was

replaced with wire grid; THGEM above the EL gap

had an active area of 10×10 cm2, dielectric thickness

of 0.4 mm, hole pitch of 0.9 mm, rim of 0.1 mm and

hole diameter of 0.5 mm (28% optical transparency at

normal incidence). Also, THGEM was connected to a

voltage divider with charge readout circuit, as shown in

Fig. 2. Finally, in this work the EL gap thickness was

either about 10 mm or 16 mm. The detector operated

at saturated argon pressures of 1.00 and 1.50 atm, cor-

responding to a temperature of 87.3 and 91.3 K and

gas density of 8.71×1019 and 1.26×1020 cm−3 respec-

tively [36,37].

The EL signal was recorded using four PMTs R6041-

506MOD [38,39] and 5×5 SiPM matrix composed of

13360-6050PE type SiPMs [40] as shown in Fig. 2. Since

no WLS was used, the devices were sensitive to EL in

the visible and NIR range only, provided by NBrS and

atomic EL (see section 1). The recorded photoelectrons

(PE) from selected events were used to produce time

histograms reflecting the pulse shape averaged over the

selected events. This pulse shape was then used to ob-

tain time constants and contributions of slow compo-

nents if any are present. A detailed description of the

analysis algorithm, event selection and determination of

the parameters of slow components can be found else-

where [19,29].

The charge readout circuit (denoted as AMP in Fig. 2)

consisted of CAEN MOD A1422 charge amplifier with

45 mV/MeV gain and ORTEC 570 research amplifier

with 0.5 µs shaping time and gain of 20 connected in

series. The amplified signal was split using CAEN N625

unit and sent to oscilloscope and CAEN V1720E flash

ADC for recording on PC for off-line analysis.

The measurements were performed using 5.5 MeV

alpha particles from a 238Pu source placed on a cath-

ode immersed in liquid Ar. This source provided rather

localized ionization along the drift direction, suitable

for studying the time properties of both EL and charge

signals. The trigger was taken from the S2 signal, pro-

vided by the sum of the signals from all four PMTs.

More details on the experimental setup and procedures

can be found in [19,29].

3 THGEM performance

In this work, we refer to the signal induced on THGEM

electrodes by drifting electrons as simply “charge sig-

nal”. Due to poor signal-to-noise ratio, the charge sig-

nal could not be detected directly in the EL gap, when

THGEM was grounded (through a resistor and ampli-

fier input impedance), being operated as just an anode

of the gap (without electron multiplication). Accord-

ingly, to reliably detect the charge signal produced by
238Pu alpha particles, THGEM was operated in an elec-

tron multiplication (avalanche) mode, by applying the

voltage (V1) to its divider, as shown in Fig. 2.
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Fig. 3 Calculated electric field along the vertical axis going
through the THGEM hole center.

Many results in this work are shown as a function of

reduced electric field at the center of the THGEM hole

(E/NTHGEM). This is motivated by the fact that despite

the non-uniform field configuration in THGEM, its gain

can be calculated quite accurately using a parallel-plate

approximation [41], with the distance between the plates

taken as the dielectric thickness and the uniform field

taken as the field at the hole center. We therefore ex-

pect that the similar approach is valid when comparing

THGEM and EL gap data.

Electric field map in THGEM was obtained by cal-

culating electrostatic potentials numerically using finite

elements method with Gmsh [42,43] and Elmer [44]

open-source programs. These calculations are discussed

in detail in [45]. Fig. 3 shows the electric field along the

vertical axis passing trough the THGEM hole center

calculated at maximal V0 and V1 used in this work.
Note that the field at the THGEM hole center is equal

to 0.57 of its “nominal” value, the latter defined as

the voltage applied across THGEM (THGEM voltage,

∆VTHGEM) divided by the dielectric thickness.

Fig. 4 shows the effective THGEM gain in gaseous

Ar at 1.0 atm as a function of the voltage across it

(∆VTHGEM), measured in two-phase detector at high

electric field in the EL gap (7.5 Td) [46]. The effec-

tive THGEM gain is defined as the charge recorded on

the THGEM electrode divided by the charge in front

of THGEM, i.e. by charge drifting in the EL gap. The

latter was measured when THGEM was grounded thus

acting as an anode of the EL gap (at zero THGEM

voltage). It should be noted that the effective gain is

always smaller than the real gain of THGEM, propor-

tional to the real number of avalanche electrons [47],

since a some part of electrons in front of THGEM do

not enter its holes and thus are lost for multiplication,

as part of the electric field lines converge at the bottom

electrode.

Fig. 4 Effective charge gain of THGEM used in this work as
a function of reduced electric field at its hole center, measured
in two-phase Ar detector at 1.0 atm and 87.3 K [46]. Top axis
shows corresponding voltage across it. The gain was measured
at high drift (0.56 kV/cm) and EL (7.5 Td) fields using pulsed
X-ray tube.

Fig. 5 SiPM-matrix signal amplitude reflecting the real
THGEM charge gain, expressed in the number of photoelec-
trons recorded, as a function of reduced electric field at the
THGEM hole center, measured in two-phase Ar detector at
1.0 atm and 87.3 K. The data were obtained at low drift and
EL fields using 238Pu alpha particles with EL gap thickness
of 10 mm. The dashed and solid lines are respectively the
linear and exponential fits to the data points and correspond
to the proportional EL and avalanche mode of THGEM per-
formance.

Another way to characterize the THGEM perfor-

mance is to use an optical signal of the SIPM matrix

placed behind THGEM (see Fig. 2). Its amplitude, be-

ing expressed in the number of photoelectrons recorded

mostly due to atomic EL in the NIR [7], is roughly pro-

portional to the number of avalanche electrons in the
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Fig. 6 Concept of experiment to observe the unusual slow
components in THGEM itself.

Fig. 7 Pulse shape of EL signal in two-phase Ar detector for
SiPM-matrix readout at low EL gap field, of 3.7 Td, at differ-
ent THGEM voltages corresponding to the reduced electric
field in the THGEM hole center of 0, 11.9 and 16.1 Td. The
data were obtained with 238Pu alpha particles and 10 mm
EL gap thickness at 1.5 atm pressure.

THGEM holes and thus to the real THGEM gain, see

Fig. 5.

As the reduced electric field increases, one can ob-
serve three modes of THGEM performance in Fig. 5:

that of weak NBrS EL in the EL gap (below 10 Td),

that of proportional EL in THGEM due to atomic EL in

the NIR (between 10 and 17 Td) described by a linear

function (dashed line), and that of avalanche scintilla-

tion EL in THGEM due to atomic EL in the NIR (above

20 Td) described by an exponential function (solid line).

4 Observation of unusual slow components in

THGEM

In our previous work [19], one of the main results was

that the unusual slow components in the EL signal

emerge at electric fields higher than 4.8 ± 0.2 Td and

that with increasing field both their time constants and

contributions also increase. It was also shown that the

unusual slow components are most likely formed in the

gas phase in the EL gap. To verify these results, THGEM

was used in this work as an additional gas gap, coupled

to the EL gap and decoupled from the liquid-gas inter-

face.

To demonstrate that the unusual slow components

can be produced in THGEM itself, the EL gap field was

fixed at low value of 3.7 Td, just below the onsets of

usual slow component due to triplet excimer EL and un-

usual slow components due to electron trapping. Conse-

quently, one would expect here that only the fast com-

ponent due to NBrS EL will be present in the EL gap

signal at zero THGEM voltage. On the other hand, one

would expect that with increasing the THGEM volt-

age the slow components will emerge when the reduced

electric field in the THGEM holes exceeds 4.8 Td. The

idea of such an experiment is schematically depicted in

Fig. 6.

Fig. 7 fully confirms these expectations: at zero THGEM

voltage only the fast component due to NBrS EL in

the EL gap (blue line) is observed, with almost sym-

metric shape defined by electron drift time through

the EL gap, electron diffusion and trigger conditions.

As ∆VTHGEM increases, EL from THGEM becomes

noticeable and its own fast and slow components are

added to the EL signal of the EL gap, with some de-

lay. The fast component of THGEM, as expected, is

delayed with respect to that of the EL gap by about

1 µs and thus can be separated from it. In addition, at

high E/NTHGEM values (red and black lines in Fig. 7),

the THGEM slow component becomes distinct, its time

constant (of about 4 µs) and contribution increasing

with the electric field. These facts confirm the state-

ment that the unusual slow components are produced

in the gas phase of two-phase detector and that they

can not be produced in the liquid or at liquid-gas inter-

face.

Fig. 8 and 9 compare the unusual slow component of

EL signal produced in the EL gap and in the THGEM.

Due to detector geometry (see Fig. 2) only the SiPM-

matrix data are used here, since the light from THGEM

holes almost does not reach PMTs. One can see that the

unusual slow components for EL gap and THGEM have

similar time constants and thresholds in reduced elec-

tric field, as well as similar characteristic increase with

electric field. These results indicate that the unusual

slow components in the EL gap and THGEM are of the

same nature.

The large difference in contributions observed for

the EL gap and THGEM at a given electric field, of

about a factor of 6, is caused by fairly different effec-

tive gap thicknesses, varying by more than an oder of

magnitude: 10 mm versus 0.4 mm respectively. It thus

confirms details of the production mechanism of the un-

usual slow components proposed in [19]: the more drift

distance of the electrons, the larger probability of their
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Fig. 8 Time constant (τS) of the slow component of EL
signal in THGEM and EL gap as a function of the reduced
electric field in the THGEM hole center and in the EL gap
respectively. The measurements in THGEM were conducted
with active voltage divider shown in Fig. 2 at fixed low EL
gap field, of 3.7 Td, while those in EL gap were done with
grounded THGEM acting as an anode of the gap. The data
were obtained in two-phase Ar detector with 10 mm thick EL
gap and 1.5 atm pressure using 238Pu alpha particles. The
dashed lines are linear fits to the data points.

Fig. 9 Contribution to overall signal of the slow component
of EL signal in THGEM and EL gap as a function of the
reduced electric field in the THGEM hole center and EL gap
respectively. The data correspond to Fig. 8 and were obtained
together. The dashed lines are linear fits to the data points.

trapping on metastable negative ions, resulting in an

increase of the slow component contribution with the

effective gap thicknesses.

On the other hand, the small difference in time con-

stants for the EL gap and THGEM confirms the model

of [19] where the probability of such a trapping is be-

low unity, leading to the double and triple trapping be-

ing much less probable. This consequently resulted in

the conclusion that the time constant of the slow com-

ponent is close to the lifetime of metastable negative

Fig. 10 Pulse shape of THGEM charge signal obtained in
two-phase Ar detector at 1.0 atm, with 238Pu alpha particles,
10 mm thick EL gap, EL gap field of 8.3 Td and THGEM
voltage of 2110 V, the latter corresponding to the field at
THGEM hole center of 35.9 Td and effective THGEM charge
gain of 20. The shaping time of charge readout circuit was
0.5 µs.

ion. At the same time, the slow increase of time con-

stant with electric field are easily explained within this

model by slow increase of the contribution of multiple

trapping events.

These results raise a question of what would hap-

pen to the slow component if the THGEM is replaced

by a standard (thin) GEM [48], the dielectric thick-

ness of which is about an order of magnitude smaller

(0.05 mm versus 0.4 mm). Assuming that the reduction

factor of the slow component contribution when going

from THGEM to GEM is about the same as when going

from EL gap to THGEM, one would expect a substan-

tial suppression of the slow component in GEM com-

pared to THGEM. This means that the GEM signal

remains fast in two-phase Ar detectors, in contrast to

that of THGEM; and this has been indeed confirmed

elsewhere [7,49].

5 Direct measurements of the charge-signal

pulse shape

To verify the hypothesis that the unusual slow compo-

nents are produced due to delayed electrons temporar-

ily trapped on metastable negative ions, the charge sig-

nal induced on the THGEM electrode by drifting elec-

trons was directly measured. To maximize the signal-

to-noise ratio, the maximal drift and EL gap fields, of

0.62 kV/cm and 8.3 Td respectively, were used. The

THGEM voltage was 2110 V, corresponding to the ef-

fective THGEM charge gain of 20 at 1 atm (see Fig. 4).

The measured charge-signal pulse shape is shown

in Fig. 10. Here the time resolution was limited by a

shaping time of the charge readout circuit of 0.5 µs.

The pulse shape has a distinct fast and slow component,

the latter corresponding to the unusual slow component

observed before in EL signal, see Fig. 1 and 7. This re-
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Fig. 11 Pulse shape of SiPM-matrix signal reflecting that of
THGEM avalanche charge signal, at high (8.3 Td) and low
(3.8 Td) EL gap field, obtained in two-phase Ar detector at
1.0 atm, with 238Pu alpha particles, 10 mm thick EL gap and
THGEM voltage of 2110 V, the latter corresponding to the
field at THGEM hole center of 35.9 Td and effective THGEM
charge gain of 20.

sult directly confirms the statement that the slow com-

ponent in EL signal is produced in the charge signal

itself, unambiguously confirming the effect of trapped

electrons in S2 signal.

Compared to Fig. 1, the transition from the fast to

slow component is quite smooth due to poor time res-

olution. The much better separation between the com-

ponents is seen in Fig. 11 where an optical signal of the

SiPM-matrix was used instead of the THGEM charge

signal, with superior time resolution. As discussed be-

fore in Sect. 3, the SiPM-matrix optical signal directly

reflects the avalanche charge of THGEM when operated

in electron multiplication mode.

At lower EL gap fields, the slow component is fully

defined by that of THGEM itself (compare to Fig. 7).

On the other hand, at higher EL gap fields, the slow

component is composed of both that of the EL gap and

that of THGEM itself, with about the same contribu-

tion, as one can see from Fig. 11. Thus, it is confirmed

that the slow component exists in both the charge sig-

nal of the EL gap and THGEM.

6 Conclusions

In this work we explored the problem of slow compo-

nents in two-phase Ar detectors for dark matter searches

in a new way, namely using a Thick Gas Electron Mul-

tiplier (THGEM) coupled to the electroluminescence

(EL) gap. There has been a hypothesis proposed in our

previous work [19], that these slow components are pro-

duced by delayed electrons, temporarily trapped during

their drift in the EL gap on metastable negative Ar ions

of yet unknown nature.

In this work, this hypothesis is convincingly con-

firmed by observing an unusual slow component in EL

signal of THGEM, similar to that observed in the EL

gap. Moreover, with the help of THGEM operated in

an electron multiplication mode, the slow component

was observed directly in the charge signal itself, unam-

biguously confirming the effect of trapped electrons in

S2 signal. These results will help to unravel the puz-

zle of slow components in two-phase Ar detectors and

thus to understand the background in low-mass WIMP

searches.

Another conclusion of this work is that the signal

of THGEM operated in electron multiplication mode

in two-phase Ar is inherently slow due to the presence

of slow component. This fact should be taken into ac-

count when planning the use of THGEM in two-phase

Ar detectors.
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It is well-known that the primordial scalar curvature and tensor perturbations, ζ and γij , are

conserved on super-horizon scales in minimal inflation models. However, their wave functional has a

rapidly oscillating phase which is slow-roll unsuppressed, as can be seen either from boundary (total-

derivative) terms of cosmological perturbations, or the WKB approximation of the Wheeler-DeWitt

equation. Such an oscillatory phase involves gravitational non-linearity between scalar and tensor

perturbations. By tracing out unobserved modes, the oscillatory phase causes faster decoherence

of primordial gravitons compared to those by bulk interactions. Our results put a stronger lower

bound of decoherence effect to the recent proposals probing squeezed primordial gravitons.
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I. Introduction

During inflation, the vacuum of the graviton evolves into a quantum squeezed state [1–4],

opening up possibilities to probe the non-classicality of gravitons via observations. There have

been proposals to test the non-classicality of squeezed gravitons, including the quantum noise

2



in gravitational-wave detectors and geodesics [5–12],1 indirect detection through decoherence

of matter [8, 17] and electromagnetic field [18], the Hanbury Brown-Twiss interferometry with

the related sub-Poissonian statistics [19–21] and the interaction with an optical cavity [22, 23].

In particular, the quantum noise produced by the primordial gravitational wave can be largely

enhanced by the inflationary squeezed states, providing a chance to make the non-classicality

of gravitons detectable. However, it is well-known that the cosmological perturbations,

including scalar and tensor, can experience the quantum-to-classical transition through

the interaction with environment during inflation, described by the environment-induced

decoherence. As a first step to analyze the potential obstruction of the mentioned proposals,

we study the decoherence of the primordial gravitons during the simplest single-field inflation.

The environment-induced decoherence of scalar perturbations has been widely studied

with various interactions and tools [24–43], and some of the frameworks are also applicable

to the decoherence of tensor perturbations. For the primordial gravitons, the possible

sources of decoherence include the non-linear interaction between tensor modes [44], the

scalar-tensor interaction [38, 45], and the primordial magnetic field [46, 47]. Focusing on

the simplest single-field inflation, the decoherence effects of gravitons by scalar and tensor

environments through the bulk interactions are comparable, and the quantum-to-classical

transition happens at 7-9 e-folds after crossing the Hubble horizon,2 proving the upper bound

of the purity of the primordial squeezed gravitons.

As noted recently in [41], the slow-roll unsuppressed boundary (total-derivative) term

Lbd,ζ = M2
p

d

dt

(
−2a3He3ζ

)
, (1)

which dominates for the super-horizon scalar curvature perturbation ζ, can introduce rapidly

oscillating non-Gaussian phase to the wave functional of cosmological perturbations, leading

to much larger decoherence than the bulk interactions. Such boundary terms without any

time derivative ζ̇ (similarly for tensor perturbation γ̇ij) cannot contribute to correlators

〈ζmγn〉, so they are often neglected in the literature, whereas they also cannot be removed

by field redefinitions [48–50]. In this paper, we extend the boundary-term decoherence to

the case with tensor perturbation, which relies on the slow-roll unsuppressed scalar-tensor

1 See also the related framework developed earlier in the semi-classical stochastic gravity [13–15] and the

bound of squeezing from the current LIGO-Virgo data [16].
2 We also compare with the results in [44, 45], and the related decoherence quantities are estimated in Sec.

IV D.
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cubic boundary terms

Lbd,ζ−γ = M2
p

d

dt

[
−a∂iζ∂jζγij

H
− aζ (∂lγij)

2

8H

]
, (2)

and we will show that these boundary terms also lead to larger decoherence than the bulk

terms.

There is a constant interest in discussing the Wheeler-DeWitt (WDW) equation [51, 52]

and quantum gravity [53–56], which motivates us to discuss the relationship between these

boundary terms and the wave functional obtained by the WDW equation. In the large

volume limit of inflation [57–59] and dS space [60–63] or similarly the asymptotic infinity in

AdS [54, 64, 65], the wave functional shares the same form, consisting of a real local action

W (hij, φ) and a part Z(hij, φ) including non-local terms

Ψ(hij, φ) = eiW (hij ,φ)Z(hij, φ) , (3)

where hij is the spatial metric induced on a hypersurface, and φ is the inflaton. With the

form of the wave functional (3), it is clear that the rapidly oscillating phase W (hij, φ) cannot

contribute to the expectation value of any observable defined by the spatial metric

〈O(hij)〉 =

∫
Dhij |Ψ(hij, φ)|2O(hij)

=

∫
Dhij |Z(hij, φ)|2O(hij) , (4)

where we assume that Ψ(hij, φ) is normalized and defined on the hypersurface with δφ = 0

(the ζ-gauge), so all the quantum degrees of freedom are in the metric. The local action

(or WKB phase) W (hij, φ) can be calculated by applying the WKB approximation to the

WDW equation [57–59], and we will show that it matches the non-Gaussian phase obtained

from the boundary terms in the action of cosmological perturbations, thus contributing

to the decoherence. It is noteworthy that the slow-roll suppressed scalar bulk interaction

ε(ε+ η)a (∂iζ)2 ζ studied in [34] also contributes a rapidly oscillating non-Gaussian phase at

late time, thus the state is considered as the WKB type by the author, causing decoherence

of ζ by tracing out unobserved modes. However, we will show that the WKB phase in

the WDW state includes slow-roll unsuppressed parts involving both scalar ζ and tensor

perturbations γij.

The paper is organized as follows. In Sec. II, we review the setup of the simplest single-

field inflation with a brief discussion of the choice of tensor perturbation and re-derive the
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splitting of bulk and boundary cubic terms. In Sec. III, we first discuss the non-Gaussian

phase obtained from the slow-roll unsuppressed boundary terms in both the interaction and

Schrödinger pictures, and we then check that it is consistent with the local phase obtained

by solving the WDW equation with the WKB approximation. In Sec. IV, we calculate the

decoherence effect of primordial gravitons by tracing out the unobserved scalar or tensor

environments, confirming that the decoherence happens faster than the one caused by the

bulk interactions. In Sec. V, we comment the one-loop quantum correction to the wave

functional, including the contribution from the Faddeev-Popov ghost by diffeomorphism, and

we argue that the correction is negligible in the leading decoherence effect. Sec. VI is the

conclusion.

We set some notations for convenience. We label the comoving momenta of system modes

with q and environment modes with k, and the comoving momentum p can be used to

label arbitrary modes. The integral modes with momentum conservation is denoted by∫
p1,··· ,pn =

∫
d3p1

(2π)3 · · · d
3pn

(2π)3 (2π)3δ3(p1 + · · ·+pn), and integrating over two environment modes

with a fixed system mode is
∫
k+k′=−q =

∫
d3k

(2π)3
d3k′

(2π)3 (2π)3δ3(k + k′ + q). We use a simpler

notation
∑

s1,··· ,sn =
∑

s1,··· ,sn=+,− to represent the sum of n circular polarization indices.

II. The bulk and boundary terms in the cubic order

In this section, we review the setup for deriving the action of cosmological perturbations

up to the cubic order [66] with a brief comment on the two common choices of tensor

perturbation in the literature. Since the neglected temporal boundary terms obtained by

integration by parts are not clearly shown in [66], we also derive the splitting of bulk and

boundary terms for both scalar and tensor perturbations.

A. The setup

We start with the ADM decomposition of the metric

ds2 = −N2dt2 + hij
(
dxi +N idt

) (
dxj +N jdt

)
, (5)
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where N and N i are the lapse and shift respectively, and hij is the spatial metric on the

hypersurface which has the extrinsic curvature

Kµν =
(
δρµ + nρnµ

)
∇ρnν , (6)

where nµ is the normal of the hypersurface. We consider the simplest single-field inflation

with the action

S =

∫
M
d4x
√
−g
[
M2

p

2
R− 1

2
gµν∂µφ∂νφ− V (φ)

]
−
∫
∂M

d3xM2
p

√
hK

=
M2

p

2

∫
M
d4x
√
h

[
N
(

(3)R−K2 +KijK
ij
)

+
1

N

(
φ̇−N i∂iφ

)2

−Nhij∂iφ∂jφ− 2NV (φ)

]
.

(7)

where the second term in the first line is the Gibbons-Hawking-York (GHY) boundary

term for the manifold M [67–69] which cancels with the covariant derivative term when we

decompose the 4-dimensional Ricci scalar

R = (3)R−K2 +Kµ
νK

ν
µ − 2∇µ (−Knµ + nν∇νn

µ) , (8)

with (3)R the three-dimensional Ricci scalar. The Hubble parameter is determined by the

uniform background of inflaton field as

3M2
pH

2 =
1

2
φ̇2 + V (φ) , (9)

with which the slow-roll parameters are defined

ε = − Ḣ

H2
, η =

ε̇

Hε
, (10)

satisfying the slow-roll conditions ε� 1 and |η| � 1.

In the literature, there are two definitions of tensor perturbations in the spatial metric

hij which are applied in the decoherence problems [44, 45], and here we briefly discuss the

difference. One is γij defined in the comoving gauge (ζ-gauge with δφ = 0), e.g. in [66]

hij = a2e2ζ(eγ)ij , (11)

where ζ is the scalar curvature perturbation, and γij satisfies γii = ∂iγij = 0. Another is

defined by the scalar-vector-tensor decomposition [70]

hij = a2

(
δij +

hS
3
δij + hTTij

)
, (12)

6



which includes the scalar part hS and the transverse traceless part hTTij . The curvature

perturbation ζ is related to (hS, h
TT
ij ) on the hypersurface with δφ = 0 by comparing the

same det(hij) calculated in (11) and (12)

ζ
(
hS, h

TT
ij

)
≈ hS

6
− 1

36

(
h2
S + 3hTTij h

TT
ij

)
+O

(
h3
S,
(
hTTij

)3
)
, (13)

showing the dependence between ζ and hTTij , so hTTij may not be a good choice when ζ is

considered as the environment of decoherence problem of graviton. Therefore, under the

condition δφ = 0, one may either choose (ζ, γij) or (hS, h
TT
ij ) to be the scalar and tensor

perturbations to make the calculation convenient and avoid some ambiguities.

On the other hand, γij defined in the first case conserves outside the horizon, as the cubic

interactions of three tensor modes all include spatial derivatives which will show explicitly in

(29). However, hTTij does not conserve outside the horizon as the cubic interactions include a

term without any derivative [44]

LhTT hTT hTT ⊃ 2
(

1− ε

3

)
M2

pH
2a3hTTij h

TT
jl h

TT
li , (14)

suggesting that γij is more convenient to the describe the super-horizon evolution of tensor

mode. As also discussed in [71], gravitational wave should not perturb the spatial volume,

and the property det(eγ)ij = 1 also suggests that γij is more appropriate.

Due to the mentioned reasons, we adopt the spatial metric defined with (ζ, γij) (11),

consistent with the choice in [34, 41, 45]. Varying the action (7) with respect to N and N i

gives the constraint equations, solving them gives

N = 1 +
ζ̇

H
, N i =

1

a2

(
−∂iζ
H

+ ∂iχ

)
, ∂2χ = a2εζ̇ . (15)

With these, expanding the action (7) to the second order gives the free actions of scalar

S
(ζ)
2 = M2

p

∫
dtd3x εa3

[
ζ̇2 − a−2 (∂iζ)2

]
= M2

p

∫
dt

d3p

(2π)3
εa3

(
ζ̇pζ̇−p −

p2

a2
ζpζ−p

)
, (16)

and tensor perturbations

S
(γ)
2 =

M2
p

8

∫
dtd3x a3

[
γ̇ij γ̇ij − a−2 (∂lγij)

2]
=
M2

p

2

∑
s

∫
dt

d3p

(2π)3
a3

(
γ̇spγ̇

s
−p −

p2

a2
γspγ

s
−p

)
, (17)

7



where in the second line the following mode decomposition is applied [72]

γij(x, t) =
∑
s

∫
d3p

(2π)3
γsp(t)esij(p)eip·x , (18)

and the symmetric polarization tensors satisfy

e±ij(−p) =
(
e±ij(p)

)∗
esij(p)(es

′

ij(p))∗ = 4δs,s′

e±ii(p) = 0

pie
±
ij(p) = 0 . (19)

By quantizing ζ and γij , the free actions (17) and (18) implies a time-dependent Gaussian

wave functional [66]

ΨG(ζ, γ) = NG(τ) exp

(
−1

2

∫
d3p

(2π)3
A(ζ)
p (τ)ζpζ−p −

1

2

∑
s

∫
d3p

(2π)3
A(γ)
p (τ)γspγ

s
−p

)
, (20)

where the normalization factor NG =
∏

pN
(ζ)
G,pN

(γ)
G,p is separable, and the coefficients3

A(ζ)
p (τ) = −2εM2

p

i

(Hτ)2

u′(ζ)p (τ)

u
(ζ)
p (τ)

= 2p3
εM2

p

H2

1− i
pτ

1 + p2τ 2
, (21)

A(γ)
p (τ) = −M2

p

i

(Hτ)2

u′(γ)
p (τ)

u
(γ)
p (τ)

= p3
M2

p

H2

1− i
pτ

1 + p2τ 2
, (22)

where τ =
∫ t dt′

a(t′)
is the conformal time with ′ = d

dτ
, and the mode functions are

u(ζ)
p (τ) =

H

2Mp

√
εp3

(1− ipτ)eipτ

u(γ)
p (τ) =

H

Mp

√
2p3

(1− ipτ)eipτ . (23)

For the Gaussian wave functional (20), the scalar and tensor power spectra are related to

the two coefficients (21) and (22) as

P (ζ,γ)
p (τ) =

1

2ReA
(ζ,γ)
p (τ)

. (24)

At the quadratic level, all the modes evolve independently, and thus we need the cubic order

action for the interactions between observed and unobserved modes.

3 The time derivative of ε is neglected when we calculate A
(ζ)
p (τ).
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B. Splitting the bulk and boundary cubic terms

We want to find out all the scalar and tensor temporal boundary terms neglected in [66],

as they will be shown to be important to the inflationary decoherence. The guideline of

splitting the bulk and boundary terms in the ζ-gauge is to make the former matches the one

derived in the δφ-gauge (spatially flat) (see also [50, 73, 74] by arranging the bulk terms in

the gauge-invariant manner), and it is expected that all the cubic bulk terms involving ζ

is slow-roll suppressed since the transformation δφ ≈ − φ̇
H
ζ ∼ O(

√
ε)ζ introduces slow-roll

parameters. On the other hand, since the tensor perturbations in the two gauges are on the

same slow-roll order, bulk terms include some slow-roll unsuppressed γγγ interactions.

The splitting of the bulk and boundary interactions can be found in the literature

[49, 50, 75], and here we derive again with the notations used in this paper. With the

Mathematica package MathGR [76] doing integration by parts, we obtain the following

splitting of bulk and boundary cubic terms from the action (7) (with spatial total derivative

neglected)

L(3) = Lζζζ + Lζζγ + Lζγγ + Lγγγ + f(ζ, γ)
δL2

δζ
+ fij(ζ, γ)

δL2

δγij
+ Lbd,ζζζ + Lbd,ζζγ + Lbd,ζγγ ,

(25)

where the four bulk terms

Lζζζ = M2
p

[
a3ε(ε− η)ζζ̇2 + aε(ε+ η)ζ(∂iζ)2 +

( ε
2
− 2
) ∂2χ

a
∂iχ∂iζ +

ε

4a
∂2ζ (∂iχ)2

]
(26)

Lζζγ = M2
p

[
−1

2
aεχ∂i∂jζγ̇ij +

∂iχ∂jχ∂
2γij

4a
+ aε∂iζ∂jζγij

]
(27)

Lζγγ = M2
p

[
1

8
a3εζγ̇ij

2 − 1

4
a∂lχγ̇ij∂lγij +

1

8
aεζ (∂lγij)

2

]
(28)

Lγγγ = M2
p

[
1

4
a∂mγil∂lγjmγij +

1

8
a∂iγlm∂jγlmγij

]
, (29)

the two EOM terms

f(ζ, γ) = − ζ̇ζ
H

+
1

4a2H2

[
(∂iζ)2 − ∂−2∂i∂j (∂iζ∂jζ)

]
− 1

2a2H

[
∂iζ∂iχ− ∂−2∂i∂j (∂iζ∂jχ)

]
+
∂i∂jζγ̇ij

4H
(30)

fij(ζ, γ) = −ζγ̇ij
H

+
∂iζ∂jζ

a2H2
+

2χ∂i∂jζ

a2H
(31)

δL2

δζ
= 2M2

p

[
− d

dt

(
εa3ζ̇

)
+ εa∂2ζ

]
(32)
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bulk/boundary type Leading interaction of each type order

bulk ζζζ ε(ε+ η)a(∂iζ)2ζ ε(ε+ η)ζ3

bulk ζζγ εa∂iζ∂jζγij ε
3
2 ζ3

bulk ζγγ εaζ∂lγij∂lγij ε2ζ3

bulk γγγ a∂iγlm∂jγlmγij ε
3
2 ζ3

boundary ζζζ ∂t(a
3ζ3) ζ3

boundary ζζγ ∂t(a∂iζ∂jζγij) ε
1
2 ζ3

boundary ζγγ ∂t(aζ∂lγij∂lγij) εζ3

TABLE I. The leading interaction terms of each type and their orders of magnitudes.

δL2

δγij
=
M2

p

4

[
− d

dt

(
a3γ̇ij

)
+ a∂2γij

]
, (33)

and the boundary terms

Lbd,ζζζ = M2
p

d

dt

{
− 9a3Hζ3 +

a

H
(1− ε) ζ (∂iζ)2 − 1

4aH3
(∂iζ)2 ∂2ζ

− εa3

H
ζζ̇2 − ζ

2aH

[
(∂i∂jχ)2 −

(
∂2χ
)2
]

+
ζ

2aH2

(
∂i∂jζ∂i∂jχ− ∂2ζ∂2χ

)}
(34)

Lbd,ζζγ = M2
p

d

dt

(
−a∂iζ∂jζγij

H
+
a∂iζ∂jζγ̇ij

4H2
+
aχ∂i∂jζγ̇ij

2H

)
(35)

Lbd,ζγγ = M2
p

d

dt

[
−aζ (∂lγij)

2

8H
− a3ζγ̇ij

2

8H

]
. (36)

Using the size of power spectra of scalar and tensor perturbations

∆2
ζ = lim

τ→0

p3

2π2
P (ζ)
p (τ) =

H2

8π2εM2
p

, (37)

∆2
γ = lim

τ→0

p3

2π2

∑
s,s′

P (γ)
p (τ)4δs,s′ =

2H2

π2M2
p

, (38)

we expect that the tensor perturbation is slow-roll suppressed compared to the scalar

perturbation γ ∼ O(
√
ε)ζ. Table I4 is the summary of the size of interaction terms which do

not involve any time derivative,5 and only the most dominated terms of each type are shown.

It is clear that boundary terms are less slow-roll suppressed compared to the bulk terms.

4 In the choice of hTTij , the leading three-tensor interaction is a3hTTij h
TT
jl h

TT
li , but we have chosen γij .

5 Terms with time derivatives are usually neglected for decoherence. For bulk terms, time derivatives are

mainly contributed by sub-horizon modes which cause sub-dominated decoherence [45]. For boundary

terms with time derivatives, they can be removed by field redefinitions [49].
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III. The oscillating phase of inflationary wave functional

It has been shown in the literature [48, 49, 75] that total time derivative terms in the

Lagrangian Lint ⊃ −∂tK generally contribute to the in-in correlators as6

〈O(t)〉 =

〈
0

∣∣∣∣T̄ exp

(
i

∫
d3x

∫ t

ti

dt′ ∂t′K (t′)

)
O(t)T exp

(
−i
∫
d3x

∫ t

ti

dt′ ∂t′K (t′)

)∣∣∣∣ 0〉
=

〈
0

∣∣∣∣exp

(
i

∫
d3x K(t)

)
O(t) exp

(
−i
∫
d3x K(t)

)∣∣∣∣ 0〉
≈ i

∫
d3x〈0| [K(t), O(t)] |0〉+O(K2) . (39)

Since decoherence is mainly contributed by terms without time derivatives [45], we focus on

the boundary terms involving ζ, γij and their spatial derivatives, denoted by K (ζ, γ, t) with

the explicit forms shown in (34)-(36). K (ζ, γ, t) commutes with normal correlators of the

form O(t) = ζm(t)γn(t), and the expectation value in (39) vanishes, so such boundary terms

are often neglected in the literature. In this section, we will show how such boundary terms

contribute a non-Gaussian phase to the wavefunctional of cosmological perturbations with

three methods. Sec. III A and III B calculate the phase with the interaction and Schrödinger

pictures respectively, and the results will be shown to be consistent in (41) and (47). In

Sec. III C, we show that such a phase also matches the WKB approximation of the WDW

equation, indicated by the WKB phase W (hij, φ) in (3), and the explicit result will be shown

in (59).

A. The interaction picture

It is straightforward to generalize the interaction picture approach in [41] to the case with

tensor perturbation γij, and the evolution operator is

U(τ, τi) = U0(τ, τi)T exp

(
−i
∫
d3x

∫ t

ti

dt′ ∂t′K (ζI , γI , t
′)

)
= U0(τ, τi)

∞∑
n=0

(−i)n

n!
(K(ζI , γI , τ))n

=
∞∑
n=0

(−i)n

n!

(
U0(τ, τi)K(ζI , γI , τ)U−1

0 (τ, τi)
)n
U0(τ, τi)

= exp

(
−i
∫
d3x K (ζS, γS, τ)

)
U0(τ, τi) , (40)

6 The relation Hint = −Lint holds in the cubic order with the interaction picture [77].
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where U0(τ, τi) = U
(ζ)
0 (τ, τi)U

(γ)
0 (τ, τi) is the free evolution operator, and the labels I and S

are the interaction and Schrödinger pictures respectively. Applying U(τ, τi) (40) to the initial

Gaussian state |ΨG(τi)〉 gives a phase to the Schrödinger wave functional

〈ζ, γ|Ψ(τ)〉 = exp

(
−i
∫
d3x K (ζ, γ, τ)

)
ΨG(ζ, γ) . (41)

B. The Schrödinger picture

We can also canonically quantize the theory with the boundary terms7

L = L(ζ)
2 + L(γ)

2 − ∂tK , (42)

with

L(ζ)
2 + L(γ)

2 = faa(t)α̇
aα̇a + jaa(t)α

aαa ,

K(ζ, γ, t) = Fabc(t)α
aαbαc , (43)

where we use a more compact notation ~α = αa to denote the dynamic fields ζ and γij

for making the derivation simpler and more generic, so jaa and Fabc can include comoving

momenta and polarization tensors expressed in the Fourier space. With these notations, the

total time derivative has the form

∂tK = Ḟabcα
aαbαc + Fabc

(
α̇aαbαc + αaα̇bαc + αaαbα̇c

)
, (44)

and the conjugate momenta are defined as

Πa =
∂L
∂α̇a

= 2fbbδ
b
aα̇

b − (Fdbc + Fbdc + Fbcd) δ
d
aα

bαc

= −i δ

δαa
, (45)

leading to the Hamiltonian density

H = α̇aΠa − L

= faaα̇
aα̇a − jaaαaαa + Ḟabcα

aαbαc

=
1

4faa

[
−i δ

δαa
+ F̄abcα

bαc
] [
−i δ

δαa
+ F̄abcα

bαc
]
− jaaαaαa + Ḟabcα

aαbαc , (46)

7 We thank Haipeng An’s suggestion of discussing the boundary term with the Hamiltonian formalism when

CM Sou gave a seminar talk of [41] at Tsinghua University.
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where F̄abc = Fabc + Fbac + Fbca. We can easily check that the wavefunctional with the

non-Gaussian phase (41), rewritten with the compact notations

Ψ(~α) = N(t)e−
∫ Aa

2
αaαae−i

∫
Fabcα

aαbαc , (47)

where
∫

denotes integrals in the Fourier space, satisfies the Schrödinger equation

i∂tΨ =

(
iṄ − iN

∫
Ȧa
2
αaαa +N

∫
Ḟabcα

aαbαc

)
e−

∫ Aa
2
αaαae−i

∫
Fabcα

aαbαc ,∫
HΨ =

[∫
Aa

4faa
−
(
A2
a

4faa
+ jaa

)
αaαa +

∫
Ḟabcα

aαbαc
]
Ne−

∫ Aa
2
αaαae−i

∫
Fabcα

aαbαc ,

i∂tΨ =

∫
HΨ . (48)

For the first two lines in (48), we applied the conditions obtained from the free theory

(independent to Fabc)

iṄ =

∫
Aa

4faa
N , i

Ȧa
2

=
A2
a

4faa
+ jaa , (49)

and the following relations[
−i δ

δαa
+ F̄abcα

bαc
]

Ψ(~α) = iAaα
aΨ(~α) ,[

−i δ

δαa
+ F̄abcα

bαc
]2

Ψ(~α) =
(
Aa − A2

aα
aαa
)

Ψ(~α) . (50)

C. The WKB approximation of the Wheeler-DeWitt equation

The boundary terms can also be obtained by applying the WKB approximation to the

wave function of universe Ψ(hij, φ), obtained with the WDW equation [51, 52]. In [58, 59],

the WDW equation of gravity with a scalar field has been applied to analyze the consistency

relation and bispectrum, and we follow the formalism. We start with the Hamiltonian

corresponding to the action (7), defined on the hypersurface Σ inducing hij,

H =

∫
Σ

d3x

{
N

[
1

2κ
√
h
Gij,klπ

ijπkl − κ
√
h (3)R +

1

4κ
√
h
π2
φ + κ

√
h
(
hij∂iφ∂jφ+ 2V (φ)

)]

+ 2∇iNjπ
ij + hijNj∂iφπφ

}
, (51)
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where κ =
M2
p

2
, the conjugate momenta are

πij =
M2

p

2

√
h
(
Kij − hijK

)
πφ = M2

p

√
h

N

(
φ̇−N i∂iφ

)
, (52)

and the DeWitt metric is

Gij,kl = hikhjl + hilhjk − hijhkl . (53)

By promoting the conjugate momenta (52) to functional derivatives
(
−i~ δ

δhij
,−i~ δ

δφ

)
(~ is

restored for the moment) and varying (51) with respect to (N,Ni), we obtain the Hamiltonian

and momentum constraints for the wave functional Ψ(hij, φ)[
~2

2κ
√
h
Gij,kl

δ

δhij

δ

δhkl
+ κ
√
h (3)R +

~2

4κ
√
h

δ2

δφ2
− κ
√
h
(
hij∂iφ∂jφ+ 2V (φ)

)]
Ψ = 0

−2~∇i

(
1√
h

δΨ

δhij

)
+

~√
h
hij∂iφ

δΨ

δφ
= 0 , (54)

where the first line is the WDW equation.

Here we adopt this formalism to analyze the dominated non-Gaussian phase of the

wave functional, contributing to the decoherence. By applying the WKB approximation to

the Hamiltonian constraint (54) with the ansatz Ψ(hij, φ) = exp (iW (hij, φ)/~), the phase

W (hij, φ) satisfies the Hamilton-Jacobi (HJ) equation [57, 60]

− 1

2κ
√
h
Gij,kl

δW

δhij

δW

δhkl
+ κ
√
h(3)R− 1

4κ
√
h

(
δW

δφ

)2

− κ
√
h
(
hij∂iφ∂jφ+ 2V (φ)

)
= 0 ,

(55)

suggesting that the functional derivatives match the classical conjugate momenta (52) [59]

δW

δhij
= πij ,

δW

δφ
= πφ . (56)

The solution of the HJ equation (55) has been constructed in the literature [57, 60, 78, 79],

and its form up to terms with two spatial derivatives is

W (hij, φ) = M2
p

∫
Σ

d3x
√
h
(
U(φ) +M(φ)hij∂iφ∂jφ+ Φ(φ)(3)R

)
, (57)
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where

U(φ) = − 2

Mp

√
V (φ)

3− ε
= −2H

M(φ) =
1

M2
p

1 + 2η − 5ε

U(φ)
≈ − 1

2HM2
p

+O(ε, η)

Φ(φ) =
ε− 1

U(φ)
≈ 1

2H
+O(ε) . (58)

For Σ defined in the ζ-gauge with φ(x, t) = φ(t), the phase includes the cubic terms

W3(ζ, γij) = M2
p

∫
Σ

d3x

[
− 9a3Hζ3 +

aζ (∂iζ)2

H
− aζ (∂lγij)

2

8H
− a∂iζ∂jζγij

H

+
a∂mγil∂lγjmγij

4H
+
a∂iγlm∂jγlmγij

8H
+O(ε)

]
, (59)

where the first line matches all the slow-roll unsuppressed boundary terms (34)-(36) up to

two spatial derivatives.8 The γγγ terms in the second line has the same form with the bulk

terms Lγγγ (29) which come from (3)R [72] since the bulk terms mainly contribute a real

phase to the wave functional at late time, and this can be shown as follows.

As a supplement to the first two methods, we consider the remaining slow-roll unsuppressed

bulk term Lγγγ (29), which contributes a non-Gaussian part to the Schrödinger wave functional

as [34, 66, 72]

Ψ
(γγγ)
NG

≈ exp

[ ∑
s1,s2,s3

∫
p1,p2,p3

i

∫ τ

τi

dτ ′

Hτ ′
H̃(γγγ)s1,s2,s3

p1,p2,p3
(τ ′)

u
(γ)
p1 (τ ′)u

(γ)
p2 (τ ′)u

(γ)
p3 (τ ′)

u
(γ)
p1 (τ)u

(γ)
p2 (τ)u

(γ)
p3 (τ)

γs1p1
γs2p2

γs3p3

]
, (60)

where

H̃(γγγ)s1,s2,s3
p1,p2,p3

(τ ′)

=
M2

p

8
a(τ ′)

[
2p1,mp2,le

s1
il (p1)es2jm(p2)es3ij (p3) + p1,ip2,je

s1
lm(p1)es2lm(p2)es3ij (p3)

]
, (61)

8 Note that the boundary terms with ζ̇ or γ̇ij can be removed by field redefinitions [48, 49].
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and u
(γ)
p (τ) is defined in (23). The time integral in (60) is proportional to

I(γγγ)
p1,p2,p3

(τ)

= −i
∫ τ

τi

dτ ′

H2τ ′2
u

(γ)
p1 (τ ′)u

(γ)
p2 (τ ′)u

(γ)
p3 (τ ′)

u
(γ)
p1 (τ)u

(γ)
p2 (τ)u

(γ)
p3 (τ)

= − i

H2 (i+ τp1) (i+ τp2) (i+ τp3)

×
[
i

τ
+
p2

1 (p2 + p3) + p2p3 (p2 + p3) + p1 (p2
2 + 4p2p3 + p2

3)

(p1 + p2 + p3) 2
− iτp1p2p3

p1 + p2 + p3

]
≈ −ia(τ)

H
− p3

1 + p3
2 + p3

3 + 2 (p2 + p3) p2
1 + 2 (p2

2 + p2
3) p1 + 2p2p

2
3 + 2p2

2p3 + 2p1p2p3

H2 (p1 + p2 + p3) 2

+O(τ) , (62)

and plugging the leading imaginary part into (60) gives the growing phase for the wave

functional

Ψ
(γγγ)
NG ≈ exp

[
i
aM2

p

8H

∫
d3x (2∂mγil∂lγjmγij + ∂iγlm∂jγlmγij) +O(a0)

]
, (63)

which agrees with the second line of (59). It is noteworthy that the integral (62) is also

discussed in [34] for the scalar cubic interaction aζ (∂iζ)2,9 in which the corresponding

oscillating phase is the main contribution to the decoherence of ζ, and we will calculate the

similar decoherence for Lγγγ in Sec. IV C.

On the other hand, the last boundary term with four spatial derivatives in the first line

of Lbd,ζζζ (34) is included in the next order solution of the H-J equation, which has been

derived in [79]10

∆W (hij) =
M2

p

2

∫
Σ

d3x

√
h

H3

(
(3)Rij

(3)Rij − 3

8
(3)R2

)
+O(ε, η)

⊃ −M2
p

∫
Σ

d3x
1

4aH3
(∂iζ)2 ∂2ζ . (64)

where we only keep the slow-roll unsuppressed terms with the ζ-gauge (∂iφ = 0) in the

first line. Since the terms with four spatial derivatives are suppressed by the scale factor as

a3 ∂4

a4 = ∂4

a
, we expect that their contribution to decoherence is negligible at late time.

9 Besides the overall factor involving polarization tensors and comoving momenta, the bulk interactions

with the form aζ (∂ζ)
2

and aγ (∂γ)
2

leads the same time integral (62).

10 In [79], the solution is calculated with the explicit potential V (φ) = V0 exp
(
−
√

2
p
φ
Mp

)
, and the terms

depending on the parameter p can be easily rewritten in terms of the slow-roll parameter with p ≈ 1
ε .
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We emphasize that the cubic WKB phase (59) is independent to how the integration by

parts is chosen to split bulk and boundary interaction terms in (25), as supported by the

appearance of γγγ terms, and it relies on the hypersurface Σ for evaluating the WDW wave

functional, as discussed in [41] by comparing the boundary terms on different hypersurfaces.

Therefore, the wave functional of cosmological perturbations is expected to have slow-roll

unsuppressed non-Gaussian phase regardless of the way of doing integration by parts in the

action (7), and all the three methods presented here give consistent results as long as the

slow-roll unsuppressed terms are identified.

IV. The decoherence of primordial gravitons

In this section, we calculate the decoherence with the wave functional of cosmological

perturbations Ψ(ζ, γij) and the formalism used in [34, 41, 80]. We consider the primordial

gravitons to be observed form a system {ξq} = {γsq}, and other unobserved degrees of

freedom interacting with the system form the environment {Ek}, which includes unobserved

modes of scalar ζk and tensor perturbations γsk. With the cubic scalar-tensor and tensor

interactions, the states of gravitons’ modes cannot evolve independently, and they entangle

with the environment, represented by the non-Gaussian part of the wave functional

Ψ(ζ, γij) = ΨG(ζ, γ)ΨNG(ζ, γ)

≈ Ψ
(ξ)
G (ξ)Ψ

(E)
G (E) exp

( ∑
σ1,σ2,s

∫
k,k′,q

Fσ1,σ2,s
k,k′,q E

σ1
k E

σ2

k′ ξ
s
q

)
, (65)

where σi denotes some discrete degrees of freedom of the environment modes, two polarizations

for tensor and one mode for scalar perturbations, and we focus on the non-Gaussian part

involving two environment and one system modes since this dominates the decoherence [45].

As the state of the environment cannot be accessed, the system is described by the reduced

density matrix obtained by tracing out unobserved degrees of freedom

ρR(ξ, ξ̃) = Ψ
(ξ)
G (ξ)

[
Ψ

(ξ)
G (ξ̃)

]∗〈
exp

[ ∑
σ1,σ2,s

∫
k,k′,q

Eσ1
k E

σ2

k′

(
Fσ1,σ2,s

k,k′,q ξsq + F∗σ1,σ2,s
k,k′,q ξ̃

s
q

)]〉
E

,

(66)

where 〈· · · 〉E =
∫
DE

∣∣∣Ψ(E)
G (E)

∣∣∣2 (· · · ) (similar notation 〈· · · 〉ξ for the system). In the cases

when the non-Gaussian part is a rapidly oscillating phase (with Fσ1,σ2,s
k,k′,q has a dominated
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imaginary part), we expect that the expectation value over environment modes is highly

suppressed if ξ 6= ξ̃, characterizing the loss of interference (decoherence). Such a suppression

of off-diagonal terms of ρR is calculated as the decoherence factor

D(ξ, ξ̃) =

∣∣∣∣∣∣ ρR(ξ, ξ̃)√
ρR(ξ, ξ)ρR(ξ̃, ξ̃)

∣∣∣∣∣∣ , (67)

and for a particular system mode with comoving momentum q, the leading contribution is a

one-loop integral11

D(ξq, ξ̃q)

≈ exp

[
− 1

2V

∑
σ1,··· ,σ4,s,s′

∫
k+k′=−q

ImFσ1,σ2,s
k,k′,q ImFσ3,σ4,s′

−k,−k′,−q
(
〈Eσ1

k E
σ3
−k〉
′
E〈E

σ2

k′ Eσ4

−k′〉′E + 1 perm
)

× (ξsq − ξ̃sq)(ξs
′

−q − ξ̃s
′

−q)

]
, (68)

where the prime 〈· · · 〉′E means ignoring factors like (2π)3δ3(k1 + k2), and the volume V =

(2π)3δ3(0) is for discretizing the integral
∫

d3q
(2π)3 →

∑
q

V
. We only keep the imaginary part of

Fσ1,σ2,s
k,k′,q which dominates in all the cases studied in this paper, and the expectation value of

the minus exponent defines the dimensionless ”decoherence exponent” (initially called the

”decoherence rate” in [34])12

Γ(q, τ) = P (γ)
q

∑
σ1,··· ,σ4,s

∫
k+k′=−q

ImFσ1,σ2,s
k,k′,q ImFσ3,σ4,s

−k,−k′,−q
(
〈Eσ1

k E
σ3
−k〉
′
E〈E

σ2

k′ Eσ4

−k′〉′E + 1 perm
)
,

(69)

where we use
〈

(ξsq − ξ̃sq)(ξs
′
−q − ξ̃s

′
−q)
〉
ξ

= 2P
(γ)
q V δs,s′ , and the decoherence of the system

mode ξq happens when Γ(q, τ) ≈ 1. We will study the decoherence of primordial gravitons

by the two boundary terms in Lbd,ζ−γ (2) and the bulk term Lγγγ (29), which include three

leading terms decohering γij by the orders of magnitudes in Table I,13 and the corresponding

Γ(q, τ) are computed as the diagrams in Fig. 1.

11 Here we mean the integral can be interpreted as a one-loop diagram, and one should not be confused with

the one-loop quantum correction discussed in Sec. V.
12 Some papers [44, 45] define the physical decoherence rate in the usual sense, so it is better to use

another name for avoiding ambiguity while comparing some results. Note that we can also define the

physical decoherence rate d
dtΓ(q, τ) = O(1)HΓ(q, τ) since Γ(q, τ) ∝ an, and the decoherence moment with

Γ(q, τ) ≈ 1 means the physical decoherence rate is comparable to the Hubble rate.
13 The decoherence by the bulk term εaγij∂iζ∂jζ has been calculated in [45], so we do not repeat the

calculation here.
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FIG. 1. The diagrams for computing Γ(q, τ). The system and environment are labeled with black

and red colors respectively, and the scalar and tensor perturbations are denoted by straight and

wavy lines respectively.

A. ζζγ boundary interaction

With the ζζγ boundary term in (2), the wavefunctional has a non-Gaussian phase

Ψ
(ζζγ)
NG (ζ, γ) = exp

(∑
s

i
M2

p

H
a

∫
k,k′,q

kik
′
je
s
ij(q)ζkζk′γsq

)
, (70)

leading to the decoherence factor for the tensor mode with comoving momentum q

Dbd
ζζγ(γq, γ̃q)

≈ exp

[
−
∑
s,s′

M4
pa

2

H2

1

V

∫
k+k′=−q

P
(ζ)
k P

(ζ)
k′ kik

′
je
s
ij(q)klk

′
me

s′

lm(−q)(γsq − γ̃sq)(γs
′

−q − γ̃s
′

−q)

]
,

(71)

and the decoherence exponent

Γbd
ζζγ(q, τ) =

a2M2
p

q3

∑
s

∫
k+k′=−q

P
(ζ)
k P

(ζ)
k′ kik

′
je
s
ij(q)klk

′
me

s
lm(−q) . (72)

Here we want to study the decoherence of the tensor mode by both the sub- and super-

horizon scalar environments, the integral over k,k′ should be all the scalar modes except

the observable super-horizon modes denoted as qζ,min ≤ k, k′ ≤ qζ,max. We will show later

with the explicit result that such an exclusion of the observable region only modifies the

sub-dominated part of the decoherence, so we first calculate (72) with all 0 < k, k′ < +∞.

To calculate (72), we can choose q on the z-axis, and the polarization tensors along the

q-axis are

e+
ij(q) =


1 i 0

i −1 0

0 0 0

 , e−ij(q) =


1 −i 0

−i −1 0

0 0 0

 , (73)
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with e±ij(−q) =
(
e±ij(q)

)∗
, so the multiplication of comoving momenta and polarization tensors

is

∑
s

kik
′
je
s
ij(q)klk

′
me

s
lm(−q) = 2(k2

x + k2
y)(k

′2
x + k′

2
y)

= 2k4(1− cos2 θ)2

= 2k4 sin4 θ , (74)

where here kz = k cos θ, and we applied the fact that |kx| = |k′x| and |ky| = |k′y| since

k + k′ = −qẑ. Therefore, the conserved-momentum integral in (71) is calculated with the

spherical coordinates

Γbd
ζζγ(q, τ) =

2a2M2
p

q3

∫
k<aΛ

d3k

(2π)3
P

(ζ)
k P

(ζ)√
k2+q2−2kq cos θ

k4 sin4 θ

=
2a2M2

p

q3

(
H2

4M2
p ε

)2
[
− 4Λ5

75π2H5τ
+

8Λ3 (q2τ 2 − 7)

315π2H3τ
− 4Λ (q4τ 4 − 15q2τ 2 + 21)

315π2Hτ

− q (q4τ 4 − 25q2τ 2 + 75)

225π2

]
, (75)

with a UV cutoff aΛ. The result has a few power-law UV divergences but without logarithmic

type, so using the dimensional regularization (dim. reg.) only keeps the last term in (75),

which is negative. We follow the method used in [41] resolving the UV divergence for the ζ

boundary term (1), and this involves a field redefinition of ζ

ζp → ζ̄p =

(
1 +

p2

a2H2

)
ζp , (76)

which dominantly redefines the sub-horizon modes, whereas the change of super-horizon

modes is suppressed for preserving the correct nearly scale-invariant power spectrum. Note

that the similar idea of resolving the UV divergence by field redefinition is also demonstrated

in [81] for the decoherence of background scale factor a(t) by scalar field (with the setup

in a closed spacetime), where the failure of using local counterterms and the dim. reg. is

discussed.

With (76), the scalar power spectrum is changed to

P (ζ)
p (τ) =

H2

4εM2
p

1

p3 (1 + p2τ 2)
, (77)
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and the integrand of (75) scales as k−6 when k → +∞, causing the integral to converge:

Γbd
ζζγ(q, τ) = −

2a2M2
p

q3τ

(
H2

4M2
p ε

)2

Jζζγ

( q

aH

)
≈
π∆2

ζ

15ε

(
aH

q

)3

+O(a2) , (78)

where the full analytical expression of of function Jζζγ (Q) is shown in Appendix (A1).

Finally, we justify the previous claim that the exclusion of observable super-horizon region

qζ,min ≤ k, k′ ≤ qζ,max is sub-dominated as follows. The power spectrum of these modes

converges as P
(ζ)
k ∝ 1

k3 +O((kτ)2), so their contribution to the integrand in (75) converges to

a constant at late time, corresponding to the O(a2) contribution in the decoherence exponent.

Similar fact is also reported in [45] with the Lindblad equation approach that the dependence

on the partition of system and environment is in the sub-dominated order at late time.

B. ζγγ boundary interaction

Now we consider the second term of (2), and we split the tensor modes into observable

(system ξij) and unobservable (environment Eij) by their comoving momenta:

γij(x, t) =
∑
s

[∫
d3q

(2π)3
ξsq(t)esij(q)eiq·x +

∫
d3k

(2π)3
Esk(t)esij(k)eik·x

]
, (79)

and the wave functional includes a phase

Ψ
(ζγγ)
NG (ζ, γ) = exp

(∑
s,s′

i
M2

p

8H
a

∫
p,p′,p′′

(p′ · p′′) esij(p′′)es
′

ij(p
′)ζpγ

s′

p′γsp′′

)

⊃ exp

(∑
s,s′

i
M2

p

4H
a

∫
k,k′,q

(k′ · q) esij(q)es
′

ij(k
′)ζkEs

′

k′ξsq

)
. (80)

The decoherence factor and exponent are

Dbd
ζγγ(ξq, ξ̃q)

≈ exp

[
−
∑

s1,s2,s3

1

2V

(
aM2

p

4H

)2 ∫
k+k′=−q

(k′ · q)
2
es1ij (q)es2lm(−q)es3ij (k′)es3lm(−k′)P (ζ)

k P
(γ)
k′

× (ξs1q − ξ̃s1q )(ξs2−q − ξ̃s2−q)

]
, (81)
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and

Γbd
ζγγ(q, τ) =

M2
p

32

a2

q3

∑
s,s′

∫
k+k′=−q

(k′ · q)
2
esij(q)eslm(−q)es

′

ij(k
′)es

′

lm(−k′)P (ζ)
k P

(γ)
k′ , (82)

respectively. To compute the product of the four polarization tensors, we express the

polarization tensor with k′ = k′ (sin θ cosφ, sin θ sinφ,− cos θ) in the coordinate form, and

this has been done, e.g. in the appendix of [44]14

e±ij(k
′) = (ê1)i (ê1)j − (ê2)i (ê2)j ± i (ê1)i (ê2)j +±i (ê2)i (ê1)j , (83)

where

ê1 = (− cos θ cosφ,− cos θ sinφ,− sin θ)

ê2 = (− sinφ, cosφ, 0) . (84)

With this, the product of the four polarization tensors in (82) becomes∑
s,s′

esij(q)eslm(−q)es
′

ij(k
′)es

′

lm(−k′) = 32

(
cos8 θ

2
+ sin8 θ

2

)
, (85)

and plugging in to (82) becomes

Γbd
ζγγ(q, τ)

= M2
p

a2

q3

∫
k′<aΛ, |k′−q|>kmin

d3k′

(2π)3
k′2q2 cos2 θ

(
cos8 θ

2
+ sin8 θ

2

)
P

(ζ)√
k′2+q2−2k′q cos θ

P
(γ)
k′

= − H4

64M2
p ε

a2

q2

[
88Λ3qτ

315π2H3
+

16Λqτ (3q2τ 2 + 11)

105π2H
−

4 (q2τ 2 + 1) log
(

q
kmin

)
π2

+
31q4τ 4 + 402q2τ 2 + 474

90π2

]
, (86)

which has UV and IR divergences. The UV divergence can be resolved by the field redefinition

(76), making the integral (86) converges at k′ → +∞

Γbd
ζγγ(q, τ) =

H4

64M2
p ε

a2

q2

[
4

π2 (1 + q2τ 2)
log

(
q

kmin

)
+ Jζγγ

( q

aH

)]
≈

∆2
ζ

120

[
60 log

(
q

kmin

)
− 79

](
aH

q

)2

+O (a) , (87)

14 We set the coordinates such that k′ = −q when θ = 0, and our convention of the polarization tensors e±ij

is related to the one used in [44] ẽ+,×ij by the linear combinations: e±ij = ẽ+ij ± iẽ
×
ij .
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where the analytical expression of Jζγγ (Q) is shown in Appendix (A3). The IR divergence

can be regularized by putting the finite duration of inflation as a cutoff with log
(

q
kmin

)
=

Nq − NIR = ∆N , counting the e-folds from the onset of inflation to the horizon crossing,

and this cutoff has been applied in [36]. Similar to the case of ζζγ, the exclusion of some

observable super-horizon modes also contributes to O(a2) term to (87), which is negligible

compared to the logarithmic factor. On the hand, the lack of O(a2) IR divergence in the case

of ζζγ is manifested by comparing the products of polarization tensors in the limit k→ −q

(or θ → 0) in (74) and (85), and the former has vanishing contribution to the decoherence

exponent, whereas the latter contributes.

C. γγγ bulk interaction

We note that the calculations of three-tensor decoherence in the literature are done with

hTTij [44],15 and we want to see if the difference between this and γij discussed in Sec. II A

leads to deviations of decoherence exponent. As shown in (62), the non-Gaussian phase

contributed by Lγγγ has the same time-dependent structure as the three-scalar interaction

aζ (∂iζ)2, so we can generalize the calculation in [34] to the three-tensor case. We apply

the same squeezed limit k ≈ k′ � q and k ≈ −k′ to estimate the dominated part of the

decoherence, and it turns out can greatly simplify the product of polarization tensors:

Lγγγ

→ −
M2

p

8
a
∑

s1,s2,s3

[
2kmk

′
le
s1
il (k)es2jm(k′) + kik

′
je
s1
lm(k)es2lm(k′)

]
es3ij (q)Es1k E

s2
k′ ξ

s3
q +O(kq, k′q)

≈
M2

p

2
a
∑
s1,s3

kikje
s3
ij (q)Es1k E

s1
k′ ξ

s3
q +O(kq, k′q) , (88)

where in the last line we use the facts kme
s2
jm(k′) ≈ −k′me

s2
jm(k′) = 0 and es1lm(k)es2lm(k′) ≈

es1lm(k)es2lm(−k) = 4δs1,s2 , and the factor of polarization tensors agrees with the graviton’s

consistency relation [66]. With (60), the dominated phase part of (62) and (88), the

15 In [45], the authors mentioned that the full calculation of the three-tensor decoherence (with γij) with the

Lindblad equation is in preparation, and here we just give an estimation of how large it is.
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decoherence factor is approximated as

Dsq
γγγ(ξq, ξ̃q) ≈ exp

[
−
M4

p

2V

∑
s,s′

∫ k≈k′�q

k+k′=−q
kik
′
je
s
ij(q)klk

′
me

s′

lm(−q)
(

ImI
(γγγ)
k,k′,q

)2

P
(γ)
k P

(γ)
k′

× (ξsq − ξ̃sq)(ξs
′

−q − ξ̃s
′

−q)

]
, (89)

and the decoherence exponent is

Γsq
γγγ(q, τ) ≈

H2M2
p

q3

∫
d3k

(2π)3
k4
(

ImI
(γγγ)
k,−k,0

)2

P
(γ)
k P

(γ)
k

=
πε∆2

ζ

4

(
aH

q

)3

. (90)

where the product of polarization tensors is evaluated in (74) with k ⊥ q, so the decoherence

exponent is similar to the scalar case in [34] besides different prefactors.

On the other hand, it is possible to have IR divergence when k→ −q or k′ → −q, leading

to terms with log
(
kmin

q

)
= ∆N regularized by the IR cutoff, and this can be shown from the

bulk interaction

Lγγγ

→
M2

p

8
a

{
lim
k,k′→0

∑
s1,s2,s3

2qmql
[
es1ij (k)es2jm(−q)es3il (q)Es1k E

s2
−q + es1il (−q)es2ij (k′)es3jm(q)Es1−qE

s2
k′

]
ξs3q

+ qiqj
[
es1ij (k)es2lm(−q)Es1k E

s2
−q + es1lm(−q)es2ij (k′)Es1−qE

s2
k′

]
es3lm(q)ξs3q

}
+O(kk′)

≈M2
pa lim

k→0

∑
s,s3

qiqje
s
ij(k)EskEs3−qξs3q +O(kk′) , (91)

where the factor of polarization tensor is similar to (88) with k ↔ q, so it contributes to

a factor of q4 to the one-loop integral in this limit. With this, the leading IR logarithmic

factor in the decoherence exponent can be estimated as

ΓIR
γγγ(q, τ) ≈

2H2M2
p

q3

∫
kmin<k<q

d3k

(2π)3
q4
(

ImI
(γγγ)
k,−q,q

)2

P
(γ)
k P (γ)

q

≈
(

H

2Mpπ

)2

log

(
q

kmin

)(
aH

q

)2

+O(a0)

= 2ε∆2
ζ∆N

(
aH

q

)2

+O(a0) , (92)
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which agrees with the scalar case [34] that the IR-divergent part is proportional to a2, and

adding the dominated part given by the squeezed limit (90) is the total decoherence exponent

Γγγγ = Γsq
γγγ + ΓIR

γγγ , (93)

which is sub-dominated compared to the those by boundary terms, as expected in Table I.

D. Compare the decoherence by different interaction terms

We are ready to compare the decoherence by different interactions terms, including those

by bulk interactions studied in [45] with γij and scalar environment, and [44] with hTTij and

tensor environment. Since these papers use different quantities to indicate the decoherence,

we first convert these to the equivalent decoherence exponent Γ(q, τ) for doing comparison.

For a Gaussian mixed state, the reduced density matrix has the form

ρR(v, ṽ) =

√
ReA

π
exp

[
−A

2
v2 − A∗

2
ṽ2 − F 2

2
(v − ṽ)2

]
, (94)

which has the purity

Trρ2
R =

√
1

1 + Ξ
, (95)

where Ξ = 2F 2

ReA
. In [45], the decoherence is determined as Ξ = O(1), and the relation to the

decoherence exponent is

Γ =
F 2

2

〈
(v − ṽ)2〉

=
1

4
Ξ . (96)

For the ζζγ bulk interaction, the decoherence of tensor perturbation is determined by

Ξbulk
ζζγ (q, τ) =

1

36π

(
H

Mp

)2(
aH

q

)3

, (97)

which is equivalent to

Γbulk
ζζγ (q, τ) =

π∆2
ζε

18

(
aH

q

)3

. (98)

On the other hand, [44] studies the reduced density matrix ρR in the particle basis of

the system ξ,
{
U0,ξ|0〉ξ, U0,ξa

†
1,ξ|0〉ξ, U0,ξa

†
1,ξa

†
2,ξ|0〉ξ

}
where U0,ξ and a†i,ξ are the free evolution
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and creation operators of the system defined with hTT
ij , and the evolution of reduced density

matrix ρR has the form

dρR
dτ

= −1

2


E00 0 E02

0 E11 0

E20 0 0

+ h.c. . (99)

The decoherence exponent of the mode q illustrated in Fig. 1, is comparable to the one with

two external 1-particle states and tracing out the sub-horizon tensor environment, which is

E11 in (99)16

Γbulk
hhh (q, τ) = −

∑
λ,λ′=+,×

∫ τ

τi

dτ ′
E11(τ ′)

V
δλ,λ′

=
8H2

π2M2
p

(
aH

q

)3{
− 16

525q3τ 3

[
−8q5τ 5 + 70qτ + 35 log

(
1− qτ
1 + qτ

)]}
≈

2048∆2
ζε

45

(
aH

q

)3

+O
(
a2
)
. (100)

Fig. 2 shows the comparison of Γ(q, τ) (78), (87), (93), (98) and (100) from different

interaction terms, and two values of the IR cutoff log
(

q
kmin

)
= ∆N are chosen: ∆N = 2

for the minimal value for making the valid expansion with small kmin

q
and ∆N = 104 as

the value used in [36]. For the decoherence happens with Γ(q, τ) ≈ 1, the cases with bulk

interactions require 7-9 e-folds after the horizon crossing, where such a 1-2 e-fold difference is

partly attributed to different number prefactors obtained by various methods of calculating

decoherence,17 and it is also attributed to the IR part (92) by the bulk interaction Lγγγ . On

the other hand, the decoherence by the boundary terms happens around 5-6 e-folds after

the horizon crossing, which is faster than the cases with the bulk interactions, expected by

counting the order of slow-roll suppression in Table I.

V. Comments on the one-loop quantum correction

Previously, our treatment is limited to the tree-level analysis, and it remains to be seen how

quantum fluctuation will influence the result. Since gravity can be viewed as a non-abelian

16 The authors in [44] also comment about this comparison. We should also note that the authors use ρred,00,

calculated with E00, to indicate the decoherence, but it is obtained by summing over all system modes

{ξq} and has IR divergence (as their system is defined as all super-horizon modes), thus not representing a

single mode with comoving momentum q.
17 Note that (90), (98) and (100) have the same order of slow-roll suppression.
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FIG. 2. The comparison of Γ(q, τ) from different interactions (78), (87), (93), (98) and (100). The

red-dashed line indicates Γ(q, τ) = 1, and the observed values ∆2
ζ ≈ 2.5× 10−9 and ε < 0.006 are

used [82]. Two values of the IR cutoff are chosen: ∆N = 2 for the minimal inclusion of the IR

environment, and ∆N = 104 as the value used in [36].

gauge theory with diffeomorphism invariance, we need to also include ghost fields. In this

section, we give an argument that the effect of one-loop correction is neglectable compared

to the leading order contribution.
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To begin with, following (7), the corresponding Euclidean action reads18

I[g, φ] =

∫
d4x L

=

∫
M
d4x
√
g

[
−
M2

p

2
R− 1

2
gµν∂µφ∂νφ+ V (φ)

]
−
∫
∂M

d3xM2
p

√
hK , µ, ν = 1, 2, 3, 4

(101)

and the wave functional can be expressed with the path integral

Ψ(h, φ0) =

∫
g|∂M=h, φ|∂M=φ0

DgDφ e−I[g,φ] , (102)

where h and φ0 simply denote the boundary values of the metric and inflation field. The

metric and inflation field can be expanded as

g = gc + h̃ , φ = φc + ϕ , (103)

where gc and φc are the solutions to the classical equations of motion

δI[g, φ]

δg
= 0 ,

δI[g, φ]

δφ
= 0 , (104)

and under the diffeomorphism xµ → xµ + ξµ the perturbations transform as

h̃µν → h̃µν +∇µξν +∇νξµ , ϕ→ ϕ− ξµ∇µϕ . (105)

Following [53, 84], the boundary condition here is subtle. Here we mainly focus on metric

field because it is the quantum gravity that cause the subtleties instead of scalar field. Usually

there are two boundary conditions for metric field, one is the Dirichlet boundary condition,

which fixes the metric at the boundary and requires h̃|∂M = 0, ξ|∂M = 0, so the transverse

component of metric is unrestricted and needs gauge fixing. The other is called conformal

boundary condition which admits the boundary metric up to a Weyl rescaling. In [84], the

author points out that mathematically, the Dirichlet boundary condition will be problematic

because this boundary condition breaks the elliptic properties of propagator, and therefore,

may not lead to a well-defined perturbation theory of quantum gravity. The conformal

boundary condition will satisfy the elliptic properties. However, the author also said that,

a sufficient condition for the Dirichlet boundary continues to work is that the extrinsic

curvature Kij is either positive or negative definite. For de Sitter it is not hard to prove that

18 In the following calculation of effective action, we follow the metric signature in [83].
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the metric satisfies this condition, and therefore both the Dirichlet and conformal boundary

condition will work for the analysis.

Without loss of generality, we take the Dirichlet boundary condition, and we need to fix

the transverse component of the metric. Following [83], the gauge condition reads:

Cα = gc
1
4

(
∇ν h̃

ν
µ −

1

2
∇µh̃− ϕ∇µφc

)
tµα = 0, α = 1, 2, 3, 4 (106)

where tµαt
αν = gµνc . It is worthy to note that some references [85, 86] also take the Landau

gauge. For the on-shell effective action, different choices of Cα are equivalent, whereas for the

off-shell effective action, the one-loop correction depends on the choice of gauge. However,

we will show that in our case, higher loop corrections can be neglected, and therefore it is

reasonable to only consider the on-shell effective action, in which the choice of gauge will not

influence our conclusion.

By expanding (106) around an infinitesimal gauge transformation, following [83], the

ghost Lagrangian density for one loop is given as:

Lghost =
√
gcc̄

µ
(
∇a∇aδνµ −Rν

µ −∇νφc∇µφc
)
cv =

√
gcc̄

µJνµcν , (107)

where c and c̄ are ghost and anti-ghost fields respectively, which obeys the Dirichlet boundary

condition and (106). Then we expand (101) to the second order of the metric and inflation

field and adding the gauge-fixing term, following [83]

Lgf = L − 1

2
CµC

µ =
√
gc

(
− 1

4
h̃βα,ν h̃

α,ν
β +

1

8
h̃αα,ν h̃

β,ν
β −

1

2
∇µϕ∇µϕ

+
1

2
h̃αβX

βµ
αν h̃

ν
µ + ϕY α

β h̃
β
α +

1

2
ϕZϕ

)
,

(108)

where the definitions of X, Y, Z are given in [83]:

Xβµ
αν = 2

{
− 1

2
δβν∇µφc∇αφc +

1

4
δβα∇µφc∇νφc −

1

16
δβαδ

µ
ν [∇γφc∇γφc + 2V (φc)]

+
1

8
δβν δ

µ
α [∇γφc∇γφc + 2V (φc)]−

1

8
δβαδ

µ
νR +

1

4
δβν δ

µ
αR

− 1

2
δβνR

µ
α +

1

2
δβαR

µ
ν +

1

2
Rβµ

αν

}
,

Y α
β =

1

2
δαβ∇ν∇νφc −∇β∇αφc +

1

2

δV

δφ

∣∣∣
φ=φc

δαβ ,

Z = −∇µφc∇µφc +
1

2

∂2V

∂φ2

∣∣∣
φ=φc

,

(109)
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and we used the facts that:

δ
√
g =

1

2

√
gch̃

α
α +

1

4

√
gc

[
−h̃αβ h̃βα +

1

2
(h̃αα)2

]
, (110)

and

δV (φ) =
∂V

∂φ

∣∣∣
φ=φc

ϕ+
1

2

∂2V

∂φ2

∣∣∣
φ=φc

ϕ2 . (111)

Following [64, 87], the one-loop wave functional is then formally written as:

Ψ1−loop =
detJ

(detG)
1
2

e−I[φc,gc] = e−Ieff [φc,gc] , (112)

where J is defined in (107), and G is defined as:

G =

 δ2Lgf

δ2h̃αβ h̃µν

δ2Lgf

δh̃µνδϕ

δ2Lgf

δh̃αβδϕ

δ2Lgf

δϕ2

 , (113)

and the effective action is written as:

Ieff [φc, gc] = I[φc, gc]− Tr log J[φc, gc] +
1

2
Tr logG[φc, gc] . (114)

The explicit calculation of the determinants needs to use the zeta function regulator and is

model dependent, because here we need to know the explicit form of inflaton potential V (φ).

The results have been shown in various literature, for reference, see [68, 85, 86, 88, 89]. Here

we take the example in [85]: the effective action for a pure gravity with de Sitter background

has the form

Ieff ∼
∫
d4x
√
g

[
−
M2

p

2
(R− 2Λ) +R2 log

(
R

µ2

)]
, (115)

where the first term is tree-level, and the second term is the one-loop correction with a energy

scale µ. For the de Sitter space with R = 4Λ = 12H2, the ratio of the one-loop to tree-level

contributions is:

I1−loop

Itree

∼ H2

M2
p

log
R

µ2
∼ ∆2

γ . O
(
10−10

)
, (116)

where the energy scale is chosen as µ ∼ H, and the Planck data [82] is used for the estimation.

Similar form of the one-loop correction (115) is also derived in explicit inflation models such

as [86], so the order estimation (116) should be generic. Such a small ratio implies that the

one-loop and higher-order corrections to the phase of wave functional and the corresponding

decoherence effect are neglectable.
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Following [90–93], it is worthy to mention that the symmetry also allows some other one

loop corrections, take the 2-point function of scalar curvature perturbation as an example,

there are two possible terms that allowed by symmetry. One is:

〈ζ2
p〉1−loop ∼ p3〈ζ2

p〉2tree log(pL) , (117)

where L being the comoving size, and the other is:

〈ζ2
p〉1−loop ∼ p3〈ζ2

p〉2tree log(a(t)) . (118)

The first term might contribute large in the IR limit, however, [93] shows that this will not

affect the observable quantities and is purely a projection effect. The second term is only

logarithmic type with the suppression of ∆2
ζ that it will not influence the result significantly

as well. Similarly, the one-loop correction of graviton spectrum also includes a logarithmic

term like [94] 〈(
hTT
p

)2
〉

1−loop
∼ p3

〈(
hTT
p

)2
〉2

tree
log(a(t)) , (119)

which also does not correct significantly to the result, following the reason of the scalar case.

VI. Conclusion

Studying the decoherence of primordial gravitons is not only for explaining the quantum-to-

classical transition of the primordial gravitational wave, but it is also useful to set constraints

and identify potential obstacles for probing the non-classicality of squeezed gravitons. In this

paper, we proceeded the discussion of the slow-roll unsuppressed boundary-term decoherence

in [41] and calculated the case with primordial gravitons.

Starting from the standard procedure of splitting the bulk and boundary interaction

terms with integration by parts, we confirmed that there exists unsuppressed scalar-tensor

coupling boundary terms of ζ and γij. Such boundary terms were shown to contribute a

non-Gaussian phase to the wave functional of cosmological perturbations with either the

interaction and Schrödinger picture approaches. As the phase grows with the scale factor

a(t), the corresponding quantum state is close to the WKB type, as expected in [34], but

now we have showed that it is slow-roll unsuppressed.

To gain insight into the unsuppressed phase of the wave functional, we studied the

Wheeler-DeWitt formalism of quantum gravity with the WKB approximation valid in the
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large a(t) limit. The WKB phase evaluated on the hypersurface with the given (hij, φ) was

shown to include unsuppressed cubic terms, agreeing with those obtained from the boundary

terms. This result suggests that the leading phase of the inflationary wave functional is

independent to the bulk-boundary splitting of the action, but such a splitting is certainly

helpful to identify the unsuppressed terms. The agreement of these approaches also suggests

that full considerations of either the boundary terms of cosmological perturbations or the

WKB limit of the WDW wave functional are needed to discuss the classicalization of the

perturbations.

We thus calculated the environment-induced decoherence of primordial gravitons with

the wave functional method presented in [34], addressing the influence by the unsuppressed

non-Gaussian phase. The gravitons were shown to decohere around 5-6 e-folds after crossing

the horizon, faster than the process by the bulk interactions which takes 7-9 e-folds. We have

also estimated the size of the one-loop quantum correction to the wave functional including

the Faddeev-Popov ghost determinant, showing that it is suppressed by a factor of graviton’s

power spectrum H2

M2
p

compared to the three-level part, so the correction to our results should

be negligible. During inflation, the squeezing of primordial gravitons happens after the

horizon crossing with the parameter grows as Rq ∼ log
(
aH
q

)
[3], so their purity should also

be considered in the proposals testing their non-classicality. How exactly the cosmological

decoherence affects the proposals deserves further studies.

Finally, we comment on the relationship between the physical hypersurface Σ and deco-

herence. As demonstrated in [41] with the well-defined variational principle, the boundary

terms on the two hypersurfaces naturally defined in the ζ-gauge and δφ-gauge respectively

are different, whereas they become equal when the same Σ is chosen even if the calculation

is done with the fields defined in different gauges. It is noteworthy that similar results have

been reported in [50] by constructing gauge-invariant quantities for all the scalar and tensor

interactions, and boundary terms on different hypersurfaces do not match even the non-linear

field redefinition is considered. Here we make another point of view by studying the phase of

the WDW wave functional, and the leading WKB phase W (hij, φ) is evaluated by choosing

Σ. By the relationship between the phase of wave functional and boundary terms, it is

easy to verify the facts in [41, 50]. This also implies the same conclusion in [41] that the

quantities naturally defined on various Σ have different decoherence rates, such as ζ and γij

which conserve on super-horizon scales decohere faster. Better understanding the physical
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meanings of these conclusions is also worthy for further studies. Following [66, 95], it will

also be interesting to understand the decoherence effect in this paper from the perspective of

dS/CFT and AdS/CFT. We leave this for future work.
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Appendix A: The analytical expressions of Jζζγ(Q) and Jζγγ(Q)

The expression of Jζζγ in (78) is

Jζζγ(Q) = − 1

3840π2Q5

{
8
(
15Q6 + 90Q4 + 80Q2 + 48

)
log
(
Q2 + 1

)
− 8Q2

[
15πQ5 − 30Q4 − 28πQ3 + 56Q2 +

(
56Q3 − 30Q5

)
tan−1(Q) + 48

]
+ 15Q4

(
Q2 + 4

)2

[
Li2

(
Q(Q− i)

Q2 − iQ+ 2

)
+ Li2

(
Q(Q+ i)

Q2 + iQ+ 2

)
− Li2

(
Q2 + iQ+ 2

Q2 + iQ

)
+ 2Li2

(
2i

Q
− 1

)
− Li2

(
Q

Q− 2i

)
− Li2

(
Q− 2i

Q

)
− Li2

(
(Q+ i)(Q− 2i)

Q(Q− i)

)
− 2Li2

(
− Q

Q+ 2i

)
+ Li2

(
Q

Q+ 2i

)
+ Li2

(
Q+ 2i

Q

)
+ 2i log

(
2

Q2 − iQ+ 2

)
tan−1(Q)

− 2i log

(
− 2

Q2 + iQ

)
tan−1(Q)− 2i log

(
2

Q2 + iQ+ 2

)
tan−1(Q) + iπ log

(
−2i

Q

)
− iπ log

(
2i

Q

)
− iπ log

(
− 2i

Q− 2i

)
+ iπ log

(
2i

Q+ 2i

)
+ 2i log

(
− 2

Q(Q− i)

)
tan−1(Q)

+ T +
ζζγ(Q) tanh−1(1 + iQ) + T −ζζγ(Q) tanh−1(1− iQ)

]}
, (A1)

where

T +
ζζγ(Q) = − log

(
4Q(Q− 2i)

(
Q2 + 1

))
+ 2 log

(
− i√

Q(Q− 2i) (Q2 + 1)

)
+ 2 log(−1 + iQ)

+ 2 log(2 + iQ) + 4 log(2 + 2iQ) + 2 log(Q− i) + 2 log

(
i

2(Q− 2i)

)
− 4 log

(
Q− i√
Q(Q− 2i)

)
− 4iπ ,

T −ζζγ(Q) = 4 log(1− iQ) + 2 log(Q+ i)− 2 log

(
2i

Q+ 2i

)
− 4 log

(
Q+ i√
Q+ 2i

)
+ 2 log

(
i

2
√
Q+ i

√
2 +Q(Q+ i)

)
+ 2 log

(
− 4i
√
Q+ i

√
2 +Q(Q+ i)

)

− 4 tanh−1

(
1

3
− 2iQ

3

)
− 3iπ . (A2)
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On the other hand, Jζγγ(Q) defined in (87) is

Jζγγ(Q) = − 1

1935360π2Q6 (Q2 + 1)

{
24
(
315Q12 − 7875Q10 + 13650Q8 − 23835Q6 + 82296Q4 − 32491Q2 + 818

)
log
(
Q2 + 1

)
− 16

[
9984 + 43008Q2 +

(
3πQ

(
315Q6 − 10225Q4 + 44756Q2 − 25344

)
− 2

(
945Q6 − 30675Q4 + 135988Q2 + 151096

))
Q4

]
Q2

+ Tζγγ(Q) log(1 + iQ) + T ∗ζγγ(Q) log(1− iQ) + 945Q8
(
Q6 − 23Q4 − 8Q2 + 16

) [
4Li2

(
− i

Q

)
+ 4Li2

(
i

Q

)
− 4Li2

(
Q− i
Q

)
− 4Li2

(
Q+ i

Q

)
− 4Li2

(
− i

Q− 2i

)
+ 4Li2

(
Q− i
Q− 2i

)
− 4Li2

(
i

Q+ 2i

)
+ 4Li2

(
Q+ i

Q+ 2i

)
+ log2(−Q− 2i) + log2(−Q+ 2i)− log2(Q− 2i)

− log2(Q+ 2i)− iπ log(−Q− 2i) + iπ log(−Q+ 2i) + iπ log(Q− 2i)− iπ log(Q+ 2i)

]}
,

(A3)

where

Tζγγ(Q) = 6

[
− 315iπQ14 − 2520iQ13 + (1260 + 7245iπ)Q12 + 81800iQ11

+ (−31500 + 2520iπ)Q10 − 358048iQ9 + (54600− 5040iπ)Q8 + 202752iQ7

+ 471660Q6 + 618912Q4 + 257964Q2 + 23352

+ 630
(
Q6 − 23Q4 − 8Q2 + 16

)
Q8 log(Q)

+ 630
(
Q6 − 23Q4 − 8Q2 + 16

)
Q8 log

(
− i

Q− 2i

)]
. (A4)

The two functions have real values on 0 < Q = q
aH

< 1, shown in Fig 3.
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Neutrinos as almost massless particles could mediate long-range forces, known as neutrino
forces. In this talk, I will introduce some theoretical aspects of neutrino forces, including
why the potential of a neutrino force has the 1/r5 form and how it may vary under different
circumstances. Experimental probes and possible implications for cosmology are also briefly
discussed.

1 Introduction

Neutrino forces are an interesting SM prediction which has not yet been observed successfully.
In this talk, I am going to introduce some fun theoretical aspects and a few interesting ideas
about how neutrino forces might be probed in experiments.

As is well known, whenever there is a massless particle propagating freely, it always mediates
a long-range force. This is true for the graviton and the photon. What about neutrinos?
Neutrinos can be massless. Can they mediate long-range forces? The answer is yes. But since
neutrinos are fermions, you have to put a pair of neutrinos between two test particles so that
the spin of each test particle is unchanged. The force generated in this way is called a neutrino
force.

The idea of neutrino forces has been there for quite a long time. In the 1930s, it was proposed
as a possible nuclear force.1 And in the 1960s, it was quantitative computed for the first time by
Feinberg and Sucher.2 At almost the same time, Feynman discussed neutrino forces in his famous
lectures.3 The interesting point is that Feynman demonstrated how one could make neutrino
forces behave like gravity by adding a third body that exchanges neutrinos with the other two
test bodies. In the 1990s, there was a debate stemming from an argument that neutrino forces
could lead to instability of neutron stars,4 which was later criticized by many authors.5–10
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Figure 1 – Feynman diagram for the SM neutrino force.

2 Neutrino forces in the vacuum

The effective potential of a neutrino force, e.g. between two electrons, has the following form:2,11,12

Vee(r) =

(
2 sin2 θW +

1

2

)2 G2
F

4π3
1

r5
. (1)

It is proportional to G2
F /r

5, which can be understood from dimensional analysis. The diagram
in Fig. 1 involves two GF ’s so it has to be proportional to G2

F , which is of dimension [E]−4. The
potential is a dimension-one quantity. To balance the dimension, 1/r5 has to be added. If we
replace the neutrino by a massless scalar, we would get 1/r3. This can also be easily obtained
from dimensional analysis.a

Let us get a sense of how weak the neutrino force is by comparing it to gravity. The former
is proportional to 1/r5 while the latter is proportional to 1/r. So at a sufficiently short distance,
we expect that the neutrino force should be stronger than the gravity. At long distances with
r > O(10−8) cm b, gravity starts to dominate. Depending on whether the distance scale is above
or below 10−8 cm (corresponding to the energy scale of keV), I categorize possible experimental
probes into short- and long-range ones.

For short-range probes, there have been proposals using atomic and nuclear spectroscopy and
atomic parity violation.13,14 This typically requires solving the Schrödinger equation. However,
if the 1/r5 potential is plugged into the Schrödinger equation, one immediately encounters a
problem in solving the Schrödinger equation. The singularity at r = 0 makes the calculation
badly divergent. It has been well known (see Ref. [15] for a review) that for potentials more
divergent than 1/r2 at r = 0, one cannot get a consistent treatment in quantum mechanics.

So we may ask whether the 1/r5 potential is always valid down to arbitrarily small r. The
answer is no. In our first work on neutrino forces,16 we address exactly this issue. Our conclusion
is that, as r approaches zero, the potential changes from 1/r5 to 1/r4, 1/r2 and eventually to
1/r. To demonstrate that, one can insert a mediator with mass mφ in this effective vertex—see
Fig. 2. At a short distance comparable to m−1

φ , the effective vertex opens up, leading to a
relatively complicated result involving the exponential integral function, Ei(mφr). At very short
distances, which correspond to very high energy scales, the Ei function reduces to 1/r.

For long-range probes, they necessarily require precision test of gravity, which is stronger
than neutrino forces at r > O(10−8) cm. In the past two decades, the experimental progress in
testing the properties of gravity such as the inverse square law and the weak/strong equivalent

aIn fact, in Feynman Lectures on Gravitation,3 the two-body neutrino force derived by Feynman has exactly
the 1/r3 form because he used a scalar-like propagator.

b10−8 cm is only for forces between two atoms. Between two electrons, the neutrino force is of the same order
of magnitude but gravity is much weaker.
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Figure 2 – A diagrammatic explanation of how the potential of a neutrino force vary from 1/r5 to 1/r. Figure
taken from Ref. [16].

exp δV/Vgravity 〈r〉
Washington2007 3.2× 10−16 ∼ 6400 km
Washington1999 3.0× 10−9 ∼ 0.3 m

Irvine1985 0.7× 10−4 2− 5 cm
Irvine1985 2.7× 10−4 5− 105 cm
Wuhan2012 10−3 ∼ 2 mm
Wuhan2020 3× 10−2 ∼ 0.1 mm

Washington2020 ∼ 1 52 µm
Future levitated optomechanics ∼ 104 1 µm

Table 1: Sensitivities of long-range force search experiments, taken from Ref. [17].

principles is remarkable. For example, assuming the presence of a new long-range force that is
not proportional to the inertial mass, even a very small contribution of δV/Vgravity ∼ 10−16 at
〈r〉 ∼ 6400 km can be excluded—see Tab. 1. However, this is still not enough to compensate
the difference between 1/r and 1/r5.

3 Neutrino forces in strong neutrino backgrounds

Is it possible to enhance neutrino forces at long distances so that they do not decrease as 1/r5?
Yes, only if there is a strong neutrino background.

With a strong neutrino background, it is possible to have a neutrino from the background
absorbed by one test body, which then passes a virtual neutrino to the other test body. Then the
latter returns a neutrino to the background. This is explained by the right Feynman diagram
in Fig. 3.

GF

GF

χ1

χ2

ν

ν

GF

GF

χ1

χ2

ν
bkg. ν

in vacuum in ν background

Figure 3 – Feynman diagrams for neutrino forces in the vacuum (left) and in a neutrino background (right).
Figure taken from Ref. [17].

This explanation might seem a bit counter-intuitive from the perspective of point-like par-



ticles with fixed spacetime coordinates and momenta. But it is based on the well-established
theory of finite-density QFT, which suggests that the propagator of a fermion f in a finite-density
background should be modified as follows:

Sf (k) = (k · γ +mf ) ·

[
i

k2 −m2
f

− 2πδ
(
k2 −m2

f

)
Θ
(
±k0

)
nf± (k)

]
, (2)

where Θ is the Heaviside theta function, and nf± (k) denote the number densities of background
f and f (anti-fermion) in the phase space. Without the background (i.e., nf± = 0), we recover
the familiar propagator Sf (k) = i/(k · γ −mf ) in the vacuum.

Using the modified propagator to compute neutrino forces in the background of a monochro-
matic neutrino flux, we obtain the following potential:17

V ≈ − 1

π
G2
FΦ0Eν

1

r

{
cos2

(α
2

)
cos [(1− cosα)Eνr] + sin2

(α
2

)
cos [(1 + cosα)Eνr]

}
, (3)

where Φ0 is the neutrino flux, Eν is the neutrino energy, and α denotes the angle between the
flux and the vector r. In the α = 0 limit, the potential is simply

V ≈ − 1

π
G2
FΦ0Eν

1

r
, (4)

which implies a huge enhancement—the potential is now proportional to 1/r instead of 1/r5.
However, one should note that Eq. (3) is highly oscillatory if α 6= 0 and Eνr � 1. So in

realistic scenarios where α cannot be perfectly zero and Eν is typically much larger than r−1,
the 1/r behavior can be easily smeared out. This was also pointed out in Ref. [18]. Nevertheless,
if future experiments could achieve measurements with very small α satisfying17

α2 .
π

∆(Eνr)
, (5)

then the strong enhancement and the 1/r form could still be probed.

4 Neutrino forces and dark matter
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Figure 4 – The Sommerfeld enhancement in DM annihilation modified by neutrino forces. The left panel shows
the entire mass range whereas the right panels show zoom-in views of the two highest peaks. For further details,
see Ref. [20].

Neutrino forces might also have important implications for cosmology and dark matter (DM).
Neutrinos, if interacting with DM, can mediate a long-range force between DM particles. It has
been shown that,19 due to the long-range feature of neutrino forces, the cross section of DM
self-scattering could be enhanced when the scattering is soft. Therefore, neutrino forces could



be responsible for DM self-interactions used to resolve problems in the small-scale structure
formation.

Another example is that neutrino forces could modify the so-called Sommerfeld enhancement
in DM annihilation.20 In general, long-range attractive forces could substantially enhance the
annihilation rate of slow-moving DM particles. This is known as the Sommerfeld enhancement.
As is shown in Fig. 4, the Sommerfeld enhancement can be significantly modified in the presence
of DM-neutrino interactions. Focusing on e.g. the highest peaks of the Sommerfeld enhancement,
the heights can be changed up to ∼ 60% with a reasonably strong DM-neutrino coupling, and
the positions of these peaks can be shifted as well.

5 Summary

In this talk, I have introduced some interesting features of neutrino forces. In the vacuum, the
potential of a neutrino force decreases as 1/r5, which can be easily obtained from dimensional
analysis. If r is very small, then the 1/r5 form would be invalid and we have discussed how
the potential would vary in the short-range limit (1/r4, 1/r2, 1/r). On the other hand, if
there is a strong neutrino background, then neutrino forces can behave very differently. In
particular, in the small-α limit, the force could be behave as 1/r even in the long-range regime.
So theoretically, a strong neutrino background could significantly enhance neutrino forces. In
cosmology, neutrino forces could affect DM annihilation rates via the Sommerfeld enhancement.

So far neutrino forces are still yet to be experimentally probed, despite some ideas or propos-
als involving parity violation effects, atomic spectroscopy, torsion balance devices, etc. There-
fore, we are looking forward to the possibility of probing neutrino forces in the future with more
advanced technologies and novel ideas.
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ABSTRACT

The introduction of nonlinear nanophotonic devices to the field of optical frequency comb metrology has
enabled new opportunities for low-power and chip-integrated clocks, high-precision frequency synthesis,
and broad bandwidth spectroscopy. However, most of these advances remain constrained to the near-
infrared region of the spectrum, which has restricted the integration of frequency combs with numerous
quantum and atomic systems in the ultraviolet and visible. Here, we overcome this shortcoming with
the introduction of multi-segment nanophotonic thin-film lithium niobate (LN) waveguides that combine
engineered dispersion and chirped quasi-phase matching for efficient supercontinuum generation via
the combination of χ(2) and χ(3) nonlinearities. With only 90 pJ of pulse energy at 1550 nm, we achieve
gap-free frequency comb coverage spanning 330 to 2400 nm. The conversion efficiency from the
near-infrared pump to the UV-Visible region of 350-550 nm is nearly 20%. Harmonic generation via the
χ(2) nonlinearity in the same waveguide directly yields the carrier-envelope offset frequency and a means
to verify the comb coherence at wavelengths as short as 350 nm. Our results provide an integrated
photonics approach to create visible and UV frequency combs that will impact precision spectroscopy,
quantum information processing, and optical clock applications in this important spectral window.

Introduction
Optical frequency combs offer a powerful tool for precise spectroscopic measurements using a broad array
of equidistant and mutually coherent comb elements whose frequencies can be tied to absolute standards.
In the two decades since the first near infrared frequency combs were demonstrated, a tremendous range of
scientific discovery and novel applications have been explored across the optical spectrum–ranging from the
terahertz (THz) to the ultraviolet (UV)1, 2. Still, efficient and reliable frequency comb coverage across the
full visible and UV has been challenging, and is limiting multiple impactful research topics. For example,
absolute UV frequency knowledge is critical to efficiently reach and reference the cooling and trapping
transitions of atoms and ions used in optical clocks, quantum computing and sensing3, 4. In addition,
frequency combs with 10-30 GHz mode spacing play an important role in astronomical spectrograph
calibration for exoplanet science. However, among all the work in this field, an Earth-Sun analog has still
not been discovered. Doing so will require precision astronomical radial velocity measurements with ≤ 10
cm/s precision over multiple years, which includes robust 10+ GHz frequency combs across the peak of
the Solar spectrum from 400 nm to 650 nm5. Finally, a broadband UV comb is central to high-precision
spectroscopy aimed at characterizing and quantifying UV transitions in atmospheric gases and aerosols
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that are important climate science6.
The lack of suitable laser gain media in UV spectral region elevates the importance of nonlinear optical

techniques to access this region. Up-conversion using harmonics generation with noble gases7–10 and bulk
crystals11–13, or supercontinuum broadening with waveguides14–20 or optical fiber21 are the most common
methods to produce coherent UV frequency combs. However, those approaches have only partial spectral
coverage or require intense pump pulses or cavity enhancement8, 22, 23. This increases complexity and
noise through high power amplification and makes it unfeasible to realize UV coverage with gigahertz-rate
frequency comb sources. Additionally, it has been observed that the ultraviolet light damages commonly
used silica based fiber and waveguides, such that performance degrades on the timescale of hours to
days15.

Here, we introduce a novel engineered combination of nonlinear optical advances that provide efficient
and UV to visible gap-free frequency comb coverage. Instead of using the χ(3) nonlinear process in the
anomalous dispersion regime, we leverage domain engineering and the strong χ(2) nonlinearity in the
normal dispersion regime of the lithium niobate nanophotonics platform. Lithium niobate (LN) has a long
history as one of the most widely used nonlinear optical materials, and recent developments in nano-scale
fabrication open new opportunities to engineer waveguides for integrated supercontinuum and frequency
comb generation at picojoule (pJ) and lower pulse energies18, 24–27. In recent work, techniques were
introduced for low energy measurement of the carrier-envelope offset frequency that take advantage of the
simultaneous χ(2) and χ(3) nonlinearities26. However, in these cases the continuous spectral bandwidth
extends to approximately 600 nm, leaving at least 350 THz of the spectrum, at wavelengths in the UV,
without spectral coverage. Except for a few notable cases of narrowband phase-matched frequency
conversion in material platforms like aluminum nitride19 and silica15, the visible and near UV region of
the spectrum has been largely inaccessible for frequency combs generated with nonlinear nanophotonics.

Our work fills this significant spectral gap with continuous UV to visible frequency comb coverage.
This is accomplished with a novel multi-segment nonlinear waveguide design in thin-film lithium niobate
by combining the engineering of dispersion and quasi-phase matching. The initial segment consists of a low
dispersion waveguide that acts to spectrally broaden the 1550 nm pulses from a robust and technologically
mature 100 MHz Er:fiber comb. The second segment includes the engineering of quasi-phase matching
which is poled with longitudinally chirped periods that enhance the generation of visible and near-UV via
harmonic and cascaded χ(2) processes. The combination of nanophotonic confinement and engineered
dispersion and phase matching leads to an exceptional efficiency, where greater than 20% of the <100
pJ 1550 nm pulse energy is spectrally translated to form a gap-free continuum in the spectral region of
350-550 nm. Low noise and optical coherence across 350 THz is verified by heterodyne measurements
revealing kilohertz relative linewidths and a noise floor near the shot-noise limit.

Our measurements are supported by numerical modeling with a single-envelope equation, yielding
good agreement with experiments and the prediction of still greater increases in efficiency with optimized
waveguide designs. Simulations further support preliminary measurements with 1550 nm pulses at 10
GHz, illustrating the clear path to full visible-to-UV spectral coverage at 100x greater repetition rate with
<100 pJ pulses. Together, our results highlight the means to achieve compact and robust frequency comb
coverage across spectral bands critical for challenging and impactful applications in quantum sensing
and computing, precision astronomical spectroscopic calibration, and broad bandwidth frequency comb
spectroscopy. Furthermore, similar design strategies can be implemented for coherent frequency comb
spectra across the full transparency window of lithium niobate, from 330 nm to 5 µm.
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Experiment
Figure 1 shows the important details of our experiments and the nanophotonic LN waveguides we employ.
Figure 1a depicts the waveguides that are etched from a 710 nm film of LN on oxide to be 350 nm high
and 1800 nm wide, with a 1550 nm mode area of approximately 1 µm2. The waveguide dispersion at
1550 nm is calculated to be slightly anomalous, and increases to a large normal value below 1000 nm (see
Supplement). In the longitudinal direction, we introduce a segmented structure with 3 mm of unpoled
region of the waveguide. This is followed by 3.6 mm in which we implement a chirp in the poling period,
Λ, that decreases linearly along the propagation direction from Λ =12.5 µm to Λ =2.5 µm. Instead of
the more typical supercontinuum in anomalous dispersion, the 3 mm section employs χ(3) self-phase
modulation (SPM) to spectrally broaden the input pulse, while the chirped poling in the second section
expands the near-infrared light to the visible and ultraviolet via χ(2) and cascaded χ(2) nonlinear processes.
The evolution of the spectral broadening is discussed further below.

The experimental setup is depicted in Figure 1b, including the pump laser source and diagnostics. We
pump the waveguide with 1550 nm pulses from a 100-MHz Er:fiber frequency comb that is amplified to
produce sub-100-fs pulses with 100 mW of average power. The power incident on the waveguide is varied
without changing the pulse duration and a polarization maintaining (PM) lensed fiber is used for the input
coupling. We estimate coupling loss of 10 dB at each facet, such that 9 mW is coupled into the waveguide
when pumped with 90 mW. Under these conditions continuous spectral coverage extending from the
near-infrared pump to the ultraviolet is achieved, as shown in Figure 1c. The extremely broad nature of the
output spectrum requires that the output coupling be done with a reflective microscope objective that has
low loss into the UV. The inset of Figure 1c shows a photograph of the visible spectrum after dispersing
the collimated output with a diffraction grating.

The progression of the spectral expansion with input pulse energy is shown in Figure 2, where
experimental and simulated spectra are presented side-by-side. The input pulse bandwidth is broadened
from 30 nm to 400 nm in the first 3 mm of the unpoled waveguide (see Figure 1c). In the next 3.6 mm, the
χ(2) nonlinearity generates second harmonic (2f, 384 THz, 780 nm), third harmonic (3f, 576 THz, 520 nm)
and fourth harmonic (4f, 770 THz, 390 nm) with a driving pulse energy of less than 10 pJ. As the pulse
energy increases to tens of pJ, our simulations show that the spectral broadening is significantly enhanced
in the poled region. Notably, for pulse energies higher than 50 pJ, the spectral regions around 2f, 3f and 4f
start to overlap, and with ∼ 90 pJ (9 mW on chip) the spectrum is continuous and gap free from 350 nm
to 1000 nm. The progression is reflected in the simulations of Figure 2b, which employ a unidirectional
propagation equation28, 29. Further details of the modeling are given in the Methods. Over the full range of
energies and spectral bandwidths, we see excellent agreement between the measurements and simulations
in terms of the spectral coverage, spectral shape, and required pulse energy. As discussed below and in
the Supplement, this level of agreement provides the basis for design improvements aimed at spectrally
tailored frequency combs for optical clocks, astronomical spectrograph calibration, and spectroscopic
sensing.

Beside UV and visible comb generation at 100 MHz, we implement the same waveguide of Figure 1a
to demonstrate visible comb generation when pumped with the output of a 10 GHz resonant EO frequency
comb30. These data are included as the dashed line in Figure 2a, which shows the spectrum of 2nd,3rd and
4th harmonics with about 26 pJ of 50 fs pulses coupled into the waveguide. The plot is consistent with the
100 MHz data and simulations, with spectral bandwidth falling between the plots for 19 and 50 pJ. For this
experiment, the UV intensity out of the waveguide was attenuated due to non-optimized output coupling
into a multimode fiber of 1 m length. Even though the spectrum does not cover the full UV and visible
range, the 4th harmonic power in the UV is still estimated to be on the order of 5-10 µW per comb mode.
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We see no damage to the nanophotonic waveguides, even with about 2.5 W of incident power at 10 GHz.
With coupling losses reduced to 1-2 dB, as demonstrated by others31, 32, it should be possible to achieve
continuous 10 GHz spectral coverage across the visible and UV with a little over 1 W of incident power.

The spectral overlap between the harmonics provides means to detect the carrier-envelope offset
frequency, fceo of the driving comb, as well as to verify the coherence of the comb structure. This is
accomplished by diffracting the output spectrum with a grating and detecting various regions of the
spectrum with a Si avalanche photodiode (Si-APD, Figure 1b). Figure 3 shows fceo detected at 620, 400
and 350 nm, respectively. At the longer wavelengths of 620 and 400 nm, the signal-to-noise ratio (SNR)
is greater than 35 dB (10 kHz resolution bandwidth). And as shown for the 620 nm data, the noise floor
is near the shot noise limit, indicating that higher powers or larger spectral bandwidths would lead to
still higher SNR. The heterodyne beatnote in the ultraviolet (350 nm) provides the direct evidence of the
coherence of the ultra-broad frequency comb generated with this unique chirped poling in thin-film LN
waveguides. It is the presence of multiple frequency combs that leads to the observed fceo. While for
some applications this could introduce complications, these offsets could be easily eliminated by making
fceo = 0 for the entire comb33, 34. We note that in spectroscopic situations, the presence of a secondary
comb provides a means for measuring and controlling fceo with a single detector35, 36.

In order to more accurately quantify the UV extent of the frequency comb, we additionally measured its
spectrum using a Si-based array spectrometer in conjunction with a UV bandpass filter (max wavelength
400 nm). The result is show in Figure 4. Here we see that the generated spectrum extends down to
approximately 330 nm. We independently measured the average on-chip power of the UV-visible spectrum
(350 nm - 550 nm) to be 1.5 mW with 9 mW (90 pJ) on-chip pump power. This implies an impressive 17%
conversion efficiency from the 1550 nm pump to the UV-visible spectrum. The conversion from 1550 nm
to these shorter wavelengths can be controlled and enhanced by the linear chirp range and chirp rate. This
is shown in Figure 4b, where we present our predictions of the integrated power of light spanning 350-550
nm with different poling conditions. For the parameters of the waveguides we have employed in the
experiments, this simulation results shows the ideal efficiency can be near 22%. Additional optimization
of the waveguides can potentially yield efficiencies >30% over specific wavelength regions, as detailed in
the Supplement.

Discussion & Conclusion
Complex nonlinear interactions give rise to the broad bandwidth spectra across the visible and near
UV. But as we discuss here, these interactions can be understood and subsequently tailored to optimize
the supercontinuum generation. Different from the majority of other approaches, the devices we have
fabricated rely most strongly on the χ(2) nonlinearity and the engineered χ(3) that arises from the
cascading of the χ(2) process. The χ(2) nonlinearity is orders of magnitude stronger than the intrinsic
χ(3) nonlinearity, and gives rise to efficient spectral broadening in the visible and near UV where phase-
matching via χ(3) is challenging due to the rapidly increasing normal dispersion.

Figure 5 is a simulation that illustrates the evolution of the spectral broadening as function of propaga-
tion distance. The supercontinuum generation in the lithium niobate waveguide begins with engineered
waveguide dispersion close to zero at 1550 nm. In this un-poled section of waveguide, self-phase modula-
tion rapidly broadens the fundamental pulse at 1550 nm as shown in Figure 5c. Third harmonic generation
is also seen in this section of the waveguide. Once the pulse enters the chirped poling section of the the
waveguide, the second harmonic generation increases from lower frequency to high frequency, and is
followed in similar fashion by fourth harmonic generation, as seen in Figure 5d-f. Finally, the spectrum in
the region of the third harmonic that was initially produced in the un-poled region then grows by mixing of

4/16



frequencies from the second harmonic and fundamental. Throughout the propagation in the poled region,
we observe further spectral broadening across the entire visible and ultraviolet akin to effective χ(3) via
the cascading of the second order nonlinearity . This broadened spectrum is shown in Figure 5f.

In this work, we have demonstrated a multi-segement nanophotonic lithium niobate waveguide
that combines both dispersion and quasi-phase matching engineering. This novel design leverages the
interaction between χ(2) and χ(3) nonlinearities to generate continuous frequency comb spectra extending
from 330 nm to 2400 nm with less than 100 pJ energy. This is accomplished with pumping at the
wavelength of 1550 nm using mature Er:fiber laser technology. Furthermore, the coherence of the
supercontinuum is verified by measuring fceo from UV spectrum. Our results highlight the path to further
enhance the interaction between χ(3) and χ(2) nonlinearities to enhance efficient visible and UV spectral
generation. As discussed in the Supplement, optimized designs with additional high frequency poling in
the first section of the waveguide can increase the conversion from 1550 nm into the UV with efficiency
greater than 32%. Beside varying the length of the un-poled section, engineering the dispersion of
waveguide can extend the bandwidth into the mid-infrared regime with intra-pulse or dual band different
frequency generation. By engineering the phase (mis) matching in χ(2) and χ(3) effects in nanophotonic
lithium niobate waveguides, it is now possible to generate a compact light source with coverage across the
full transparency window of lithium niobate–from approximately 330 nm to 5000 nm. Such design control
will open new opportunities with the thin film lithium niobate platform for applications of spectroscopy
and trace gas sensing, control of quantum systems, and atomic clocks.

Methods
Waveguide Fabrication
We use a commercially available X-cut wafer (NANOLN), with a ~700-nm-thick lithium niobate layer on
top of a ~4.7-µm-thick silica buffer layer. We first deposit electrodes by e-beam evaporation (15 nm of Cr
+ 50 nm of Au) for periodic poling. We apply a ~700 V pulse over a 25 µm gap to produce the domain
inversion. The poling period decreases linearly from Λ =12.5 µm to Λ =2.5 µm along a 3.6-mm length.
Due to lateral domain growth during the poling process, the duty cycle for the metallic electrodes needs to
be adjusted in order to obtain a 50% duty-cycle along the poled length. Since this effect is more acute for
shorter poling periods, we vary the electrodes duty-cycle linearly from 50% to 20% along the 3.6-mm
poling length.

The waveguides are fabricated by first patterning a hydrogen silsesquioxane (HSQ) mask using e-beam
lithography. The pattern is transferred to the lithium niobate layer by dry etching with Ar+ plasma to a
depth of 350 nm. Finally, the chip facets are polished by first coarse-lapping to reach a target of 3-mm
unpoled waveguide length between the input facet and the poled area, followed by fine-polishing to
improve the coupling efficiency.

Numerical Simulations
The spectral evolution is modeled in the frequency domain with a single-mode unidirectional propagation
equation28, 29 that includes both second and third order nonlinearities.

i
∂

∂ z
a[ν ] =
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β + i

α

2
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a[ν ]+
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2√
ε0c3n3A
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[
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]
[ν ]+
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2
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F
[
a[t]3

]
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where a[ν ] is the spectral amplitude, normalized to the pulse energy ep =
∫
|a|2 dν . The linear term

includes the frequency-dependent angular wavenumber β and gain/loss parameter α . The nonlinear
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interactions are calculated in the time domain from powers of the carrier-resolved amplitude and then
Fourier transformed (F ) into the frequency domain. Polling is implemented by changing the sign of
χ(2) at the boundary of each domain inversion. The strength of the nonlinear terms depend on the
effective refractive index n and mode area A (1.095 µm2), which were calculated using the mode solvers
of Lumerical. The values of the refractive indices used in the mode solver are from Lumerical. The
propagation loss was assumed to be 1.1 dB/cm and the values used for the nonlinear susceptibilities
χ(2) and χ(3) were 30pm/V and 5200pm2/V2 respectively. For clarity, notation has been dropped for the
frequency dependence of the waveguide parameters on the right-hand side of the equation. The model is
integrated using an adaptive 3rd and 4th order embedded Runge-Kutta scheme in the interaction picture
(ERK4(3)-IP)37, and the full simulation framework is currently implemented in a fork of PyNLO38.

Code availability
Simulations were carried out with the open-source code PyNLO38.
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Figures & Tables

Figure 1. Nanophotonic lithium niobate waveguides for ultraviolet to near infrared frequency comb
generation (a) Schematic of the waveguide with upoled region and then linear chirped poling with
Λ = 12.5 µm to 2.5 µm; Cross-sectional schematic of the waveguide with dimensions of w=1800 nm,
h=350 nm. The LN slab thickness is 360 nm. Also shown is a photo of the waveguide generating white
light and a two-photon microscope image of the shortest poling periods. (b) Experimental setup for comb
generation and characterization. A suite of three different instruments are used to measure the spectrum
and verify the optical coherence of the comb at wavelengths below 350 nm. (c) Supercontinuum
generated with the nanophotonic waveguide. The input spectrum of the Er:fiber laser at 1.55 µm is shown
by the green line. Broadband frequency comb spectra generated in the LN waveguide with chirped poling
is shown in blue and red. The insets show a photo of the dispersed visible spectrum of the comb.
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Figure 2. Spectral evolution of broad bandwidth frequency comb generation. (a) Experimental results of
the power spectral density with input driving pulse energies between 6 pJ and 90 pJ. All data were taken
with a 100 MHz frequency comb pump soure, with the exception of the dashed red line at 26 pJ, which
was obtained with a 10 GHz 1550 nm pump source. (b) Simulation results at the same pulse energies,
showing good qualitative agreement with the experimental data.
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Figure 3. Broad bandwidth coherence and carrier-envelope offset frequency detection. The fceo beatnote
is observed directly at wavelengths across the visible and UV. The SNR of fceo at 620 nm and 400 nm are
both greater than 35dB in 10 kHz resolution bandwidth. The SNR at 350 nm is about 28dB. In the 620 nm
plot, the green dashed line is the shot noise and black line is measurement noise floor.
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Figure 4. Ultraviolet spectral limits and efficiency (a) UV spectrum produced with the waveguide of Fig.
1a, and measured after a UV bandpass filter to eliminate any light at longer wavelengths. (b) A simulation
showing the integrated power (350-550 nm) along the waveguide propagation direction. Each curve is
from a different simulation in which the linear chirp rate and range were varied to illustrate the design
capabilities.
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Figure 5. Nonlinear spectral evolution in thin-film lithium niobate waveguides with χ(3) and χ(2)

nonlinearities. (a) Simulation of the spectral evolution as function of pulse propagation distance. (b) Map
of the poling period (Λ) along the same propagation distance. The chirped poling starts at 3.6 mm and
decreases linearly from Λ =12.5 µm to 2.5 µm. (c-f) Plots of the spectrum at different propagation
distances. The input spectrum for the simulation is shown in red. (c) The broadening of the input spectrum
via the χ(3) nonlinearity and non-phase-matched third-harmonic of the pump. (d) The spectrum at the
beginning of the linearly chirped poling region of the waveguide. (e-f) The visible spectrum is continually
generated and spectrally broadened from the harmonic bands and the combination of χ(2) effects.
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Supplementary Material

Waveguide dispersion: In Supplemental Fig. 1, we present the calculated group velocity dispersion
(GVD) for the waveguide used in this work, with h=350 nm. In this figure, h is the etch depth into the 700
nm film and the waveguide width is w=1800 nm. For comparison, a second waveguide is also shown with
h=410 nm. For both waveguides in Fig. 1, the GVD is near zero at the pump wavelength of 1550 nm,
and the GVD is strongly normal in the visible. Below wavelengths of 1000 nm, the impact of geometric
dispersion engineering is negligible for these waveguides.

Figure 1. Calculated waveguide group velocity dispersion for the device used in this work. The
dispersion for two waveguides with width of w=1800 nm and etched height of h=350 nm and h=410 nm
on a 700 nm film.

Enhanced efficiency: A design to enhance the power in the spectral window of 350-500nm is shown in
Supplemental Fig. 2(a). Here, we compare the design employed in the main text ("Design A") with a
design that enhances the visible and UV generation ("Design B"). In the new design, we propose a normal
dispersion LN waveguide with fixed short poling pattern over the first segment. This period is chosen such
that the 3rd and 4th harmonic spectra are enhanced and broadened with cascaded χ(2) before the pulse
enters the chirped poling segment. Figure 2(a) compares both designs, and "Design B" shows a theoretical
improvement in power across 350-500 nm by more than 4 orders of magnitude with only 30 pJ pump
pulse energy. In this case, total conversion efficiency from 1550 nm to the 350-500 nm region is 15.9%.

In Fig. 5 of the main text we observe that the χ(3) spectral broadening of the 1550 nm input pulse
happens in the first few-hundred microns of propagation in the unpoled waveguide. Along with this
spectral broadening, the pulse spreads in time and the peak power is decreased, which leads to lower
efficiency in the nonlinear conversion. This observation leads us to investigate the impact of changing the
length of the unpoled region, L, of the waveguide. (Note that L = 3 mm for the actual device described in
the main text). Supplemental Fig 2(b) highlights the variation of conversion efficiency with L from the
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1550 nm pump into a window covering 350-490 nm. Here we observe that for L = 1 mm a theoretical
conversion efficiency of greater than 30% is possible. This type of analysis shows that further waveguide
engineering can optimize the very-efficient projection of the 1550 nm light into specific spectral bands.

Infrared generation: Supplemental Fig. 2(c) shows a waveguide design that can lead to mid infrared
(mid-IR) coverage. The height of the LN waveguide is 400 nm on a 710 nm film of LN on top of SiO2
substrate. The length of waveguide is 6 mm, including a 5 mm unpoled segment, followed by a 1 mm
segment with linearly chirped poling (3µm to 14.5µm). The waveguide dispersion is anomalous which
enables soliton self-compression to increase the peak power and generate the desired bandwidth. The
gap-free mid-IR coverage is generated with intrapulse difference frequency generation when the 50 pJ
pump pulse propagates in the LN waveguide. Our model does not yet include the material absorption in
the mid-IR in LN and thermal SiO2 layers, but we see the potential to generate spectra across mid-IR with
a sapphire substrate or fully air clad (suspended) waveguides.
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Figure 2. (a) Optimized wavelength coverage by design. Given a fixed pump energy of 30 pJ, the
wavelength coverage produced by “Design B” shows a theoretical improvement in power in the UV
spectral region by more than 4 orders of magnitude when compared to the orignal “Design A”.(b) Impact
of input unpoled waveguide length L on the conversion efficiency from 1550 nm into the band spanning
350-490 nm. (c) Simulated anomalous dispersion waveguides with linear chirped poling pattern. The
simulated spectra extends from 1 µm to beyond 5 µm (blue line) with a 5 mm long unpoled region that is
followed by a 1 mm poled waveguide. The etch height is h = 420 nm and the width is w = 1200 nm. The
simulation assumes a a 50 fs and 50 pJ pump pulse (black line)
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The Two Quasi-Static Limits of Aether Scalar Tensor
Theory

Tobias Mistele*

Department of Astronomy, Case Western Reserve University
10900 Euclid Avenue, 44106 Cleveland, Ohio, USA

Abstract

One of the aims of Aether Scalar Tensor Theory (AeST) is to reproduce the suc-
cesses of Modified Newtonian Dynamics (MOND) on galactic scales. Indeed, the
quasi-static limit of AeST can achieve precisely this, assuming that the vector field
~A vanishes. However, this assumption of a vanishing vector field is often inconsis-
tent. Here, we show how to correctly take into account the vector field and find that
the quasi-static limit depends on a model parameter m×. In the limit m× → 0, one
recovers the quasi-static limit with a vanishing vector field. In particular, one finds
a two-field version of MOND. In the opposite limit, m× → ∞, one finds a single-
field version of MOND. We show that, in practice, much of the phenomenology of
the quasi-static limit depends only very little on the value of m×. Still, for some
observational tests, such as those involving wide binaries, m× has percent-level
effects that may be important.

1 Introduction

Aether Scalar Tensor Theory (AeST, Skordis and Złosnik, 2022, 2021) is a fully-rela-
tivistic model that reproduces much of the successes of both Modified Newtonian Dy-
namics (MOND, Milgrom, 1983a,b,c) on galactic scales and of ΛCDM on cosmological
scales. It also satisfies observational constraints from gravitational waves that require
tensor modes to propagate at the speed of light (Boran et al., 2018; Sanders, 2018).

One success of MOND that AeST aims to reproduce is explaining the observed Ra-
dial Acceleration Relation (RAR, Brouwer et al., 2021; Lelli et al., 2017). The RAR
shows a one-to-one correspondence between the Newtonian acceleration due to baryons,
ab, and the actually observed acceleration, aobs. In particular, for accelerations ab much
larger than the acceleration scale a0 ≈ 10−10 m/s2, the total acceleration aobs is just the
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Newtonian baryonic acceleration ab. At small accelerations, ab � a0, the total accelera-
tion aobs is instead given by aobs ≈

√
a0 ab.

That AeST can indeed reproduce MOND phenomenology was shown by Skordis and
Złosnik (2021) under the assumption that the vector field ~A (see below) vanishes. Their
argument establishes that AeST reduces to a specific two-field version of MOND as long
as the mass of the so-called ghost condensate is negligible (Mistele et al., 2023; Skordis
and Złosnik, 2021). However, as first noted in Mistele et al. (2023), the assumption of
a vanishing vector field is often inconsistent. Here, we show how to correctly take the
vector field ~A into account and discuss phenomenological implications.

In particular, we will find that the quasi-static limit of AeST depends on an additional
mass parameter we call m×. This mass parameter m× should be distinguished from
another mass parameter we refer to as m that controls the ghost condensate density and
was studied in detail in Mistele et al. (2023), Skordis and Złosnik (2021), and Verwayen
et al. (2023). In contrast to m, the new mass parameter m× is not related to the ghost
condensate and has no effect in spherical symmetry.

In the following, we employ units with c = ~ = 1.

2 The model

In the quasi-static weak-field limit and with only non-relativistic matter sources, the ac-
tion of the AeST model reads (Mistele et al., 2023; Skordis and Złosnik, 2021),1

S = −
∫
d4x

{
1

8πĜ

[
(~∇Φ)2 − 2~∇Φ (~∇ϕ+Q0

~A) + (~∇ϕ+Q0
~A)2

−m2

(
ϕ̇

Q0
− Φ

)2

+ J
(

(~∇ϕ+Q0
~A)2
)

+
2KB

2−KB

~∇[i
~Aj]~∇[i ~Aj]

]
+ Φρb

}
, (1)

where Φ is the Newtonian gravitational potential, ϕ is a scalar field, ~A is a vector field,
and ρb denotes the matter density. We use the notation ρb because only the baryonic mat-
ter is relevant in the cases we discuss explicitly below. The function J determines how
the model interpolates between the Newtonian regime (for accelerations larger than a0)
and the MOND regime (for accelerations smaller than a0). That is, J determines what
is called the interpolation function in MOND (Famaey and McGaugh, 2012). Further, Ĝ,
Q0, m, and KB are constants with mass dimension −2, 1, 1, and 0, respectively. In the
following, we sometimes use the notation

~U ≡ ~∇ϕ+Q0
~A . (2)

1The derivation follows Skordis and Złosnik (2021). We start with a Newtonian gauge for the metric and
use the assumption of a weak-field limit with no time-dependence (except ϕ̇ = const, see below). Then, the
ij components of the Einstein equations imply that the metric depends only on a single potential Φ, which
we substitute back into the action. This last step works because the fields ϕ and ~A do not couple to the
metric components gij in this quasi-static weak-field limit.
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We do not set ϕ̇ to zero because any ϕ̇ = const also allows for static solutions. In-
deed, the AeST model contains a so-called ghost condensate and ϕ̇ represents the chem-
ical potential of this condensate. This is explained in more detail in Mistele et al. (2023).
The term multiplied by m2 is related to the condensate’s energy density.

The constant Ĝ is related to the Newtonian gravitational constant GN as

GN ≡ Ĝ f−1
G , (3)

with constant fG. Here, GN is what enters the total acceleration felt by matter in the
Newtonian regime, i.e. at accelerations larger than a0. That is, in spherical symmetry
and in the Newtonian regime, the total acceleration has the form GNM/r2 with the total
mass M and the spherical radius r.

The function J must satisfy some requirements that ensure that there is a Newtonian
regime at large accelerations and a MOND regime at small accelerations. In particu-
lar, the interpolation function µ̃(|~U |/a0) ≡ J ′(~U2) must have the limits (Famaey and
McGaugh, 2012; Skordis and Złosnik, 2021),

µ̃

(
|~U |
a0

)∣∣∣∣∣ |~U|
a0
→0

= fG
|~U |
a0

, µ̃

(
|~U |
a0

)∣∣∣∣∣ |~U|
a0
→∞

=
fG

1− fG
. (4)

In the following, we adopt a0 = 1.2 · 10−10 m/s2 (Lelli et al., 2017).
In AeST, ordinary matter is minimally coupled to the metric gµν in the standard way.

The metric has the same form as in the Newtonian limit of General Relativity with the
potential Φ. There is no additional coupling of matter to the fields ϕ and ~U . Thus, the
total acceleration felt by matter is

~atot ≡ −~∇Φ . (5)

Like matter, light is also minimally coupled to the metric gµν in the standard way (al-
though this is not shown explicitly in Eq. (1)). Thus, lensing works as in General Rel-
ativity, just with the potential Φ calculated from different field equations (Mistele et al.,
2023; Skordis and Złosnik, 2022).

3 Leaving out the vector field is inconsistent

We first consider a vanishing vector field ~A and show that this is often inconsistent. With
~A set to zero, the equations of motion for the remaining fields ϕ and Φ read (Skordis and
Złosnik, 2021),

∆Φ̂ = fG · 4πGN (ρb + ρc) , (6a)

~∇

(
µ̃

(
|~∇ϕ|
a0

)
~∇ϕ

)
= fG · 4πGN (ρb + ρc) , (6b)
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where we defined

Φ̂ = Φ− ϕ , (7)

and where ρc is the density of the ghost condensate,

ρc =
m2

4πGNfG

(
ϕ̇

Q0
− Φ̂− ϕ

)
. (8)

The total acceleration ~atot = −~∇Φ can be written as the sum of the accelerations ~aϕ =

−~∇ϕ and ~aΦ̂ = −~∇Φ̂ due to the fields ϕ and Φ̂, respectively,

~atot = ~aϕ + ~aΦ̂ . (9)

These equations give MOND-like behavior whenever the effects of the condensate
density ρc are negligible. To see this, consider a spherically symmetric system and con-
sider first the large-acceleration regime ab � a0. Then, using the limits of µ̃ from Eq. (4),
we find

aϕ = (1− fG)ab , aΦ̂ = fG ab , (10)

which gives

atot = ab , (11)

which is exactly what MOND requires in this large-acceleration regime. Similarly, in the
small-acceleration regime, ab � a0, we find

atot ≈ aϕ ≈
√
a0ab , (12)

which again matches MOND. Thus, AeST seems to have achieved its goal of reproducing
MOND-like behavior. In particular, AeST seems to reproduce a multifield version of
MOND (Famaey and McGaugh, 2012).

The problem is that setting ~A to zero is not allowed. To see this, consider the ~A
equation of motion,

~∇Φ− 1

2Q0

2KB

2−KB

~∇× ~∇× ~A = (~∇ϕ+Q0
~A)
(

1 + J ′
(

(~∇ϕ+Q0
~A)2
))

. (13)

If it is allowed to set ~A to zero, this equation must be satisfied with ~A = 0,

~∇Φ = (~∇ϕ)
(

1 + J ′
(

(~∇ϕ)2
))

. (14)

We can algebraically solve this equation for ~∇ϕ and then take the curl to find,

~∇|~∇Φ| × ~∇Φ = 0 . (15)
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This condition is not fulfilled, except in some special cases like spherical symmetry
(Brada and Milgrom, 1995).

Thus, the arguments from Skordis and Złosnik (2021) do not establish that AeST re-
produces MOND outside such special cases. This is important because for many systems
of astrophysical interest – such as disk galaxies – one cannot assume spherical symmetry
or another of the special cases where Eq. (15) holds.

4 Taking the vector field into account

We now show how to correctly take the vector field ~A into account and establish that
AeST still reproduces MOND-like behavior, though in a slightly different way than the
~A = 0 case suggests. We discuss the phenomenological implications in Sec. 6 and Sec. 7.

We first write the action in terms of ~U ,

S = −
∫
d4x

{
1

8πĜ

[
(~∇Φ)2 − 2~∇Φ ~U + ~U2

−m2

(
ϕ̇

Q0
− Φ

)2

+ J
(
~U2
)

+
1

m2
×
~∇[i

~Uj]~∇[i~U j]

]
+ Φρb

}
, (16)

where we used Q2
0
~∇[i

~Aj] = ~∇[i
~Uj] which follows from antisymmetry, and we defined

the mass scale

m× ≡
√

2−KB

2KB
Q0 . (17)

The equation of motion of ϕ is then of the form ∂t(ϕ̇ − Q0Φ) = 0 which is trivially
satisfied in the quasi-static limit (keeping in mind that the only time-dependence we
allow is ϕ̇ = const).2 This leaves the equations of motion of Φ and ~U . They read

∆Φ− ~∇~U = 4πGNfG(ρb + ρc) , (18a)

~∇Φ− 1

m2
×
~∇× ~∇× ~U = ~U

(
1 + µ̃

(
|~U |
a0

))
. (18b)

These are the equations that must be solved in the quasi-static limit of AeST. They replace
Eq. (6) when one correctly takes the vector field into account. In spherical symmetry, they
are equivalent to the equations Eq. (6), see Sec. 6, but in general they are not.

To see that the equations Eq. (18) still describe MOND-like behavior, we will first
discuss the limits of large and small m×. We will find that both describe a version of
MOND. In particular, for m× → 0, one recovers the two-field version of MOND from

2This assumes a change of variables from ( ~A, ϕ) to (~U, ϕ). In terms of ( ~A, ϕ), the ϕ equation of motion
still reduces to ∂t(ϕ̇−Q0Φ) = 0 when combined with the divergence of the ~A equation of motion.
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Eq. (6). That is, setting ~A to zero is justified in this case (but not in general). In the
opposite limit, m× →∞, one recovers a single-field version of MOND. Plausibly, other
values of m× interpolate between these single-field and two-field versions of MOND.

4.1 The limit m× →∞: A single-field version of MOND

The complicated part of the equations of motion Eq. (18) is the double-curl term propor-
tional to 1/m2

× in the ~U equation of motion. Luckily, for m× → ∞, this term vanishes
and we can algebraically solve for ~U . We choose to write the result in the following form,

~U = ~∇Φ

(
1− fG µ

(
|~∇Φ|
a0

))
, (19)

which implicitly defines the function µ in terms of the function µ̃. From the limiting
behavior of µ̃, Eq. (4), we can infer the limiting behavior of µ, namely

µ

(
|~∇Φ|
a0

)∣∣∣∣∣ |~∇Φ|
a0
→0

=
|~∇Φ|
a0

, µ

(
|~∇Φ|
a0

)∣∣∣∣∣ |~∇Φ|
a0
→∞

= 1 . (20)

This is the correct behavior for a single-field MOND interpolation function (Famaey and
McGaugh, 2012).

Indeed, plugging this solution for ~U into the Φ equation of motion Eq. (18a) gives

~∇

(
µ

(
|~∇Φ|
a0

)
~∇Φ

)
= 4πGN (ρb + ρc) , (21)

which is a standard single-field version of MOND (Bekenstein and Milgrom, 1984;
Famaey and McGaugh, 2012) up to the ghost condensate density ρc. Without the ghost
condensate, this is known as aquadratic Lagrangian theory (AQUAL).

This shows that the m× → ∞ limit of AeST reproduces MOND-like behavior as
long as the effects of the ghost condensate density are negligible. In particular, AeST
reproduces a single-field version of MOND in this limit.

4.2 The limit m× → 0: A two-field version of MOND

In the opposite limit, m× → 0, we cannot neglect the double-curl term multiplied by
1/m2

×. To deal with this term, we use the Helmholtz decomposition. One particular
implication of this decomposition is that, instead of solving a vector field equation ~X = 0
one can equivalently solve the system of equations ~∇ · ~X = 0 and ~∇× ~X = 0 with the
boundary condition that ~X vanishes at infinity (Griffiths, 2013).
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We apply this to the ~U equation of motion Eq. (18b). This gives the two equations

∆Φ = ~∇

[
~U

(
1 + µ̃

(
|~U |
a0

))]
, (22a)

−~∇× ~∇× ~∇× ~U = m2
×
~∇×

[
~U

(
1 + µ̃

(
|~U |
a0

))]
, (22b)

with the reasonable boundary conditions that ~U and ~∇Φ vanish at infinity. We also
decompose the field ~U itself into a divergence-less and a curl-less part,

~U = ~U× + ~∇α , (23)

where ~U× is a vector field with ~∇ · ~U× = 0 and α is a scalar field. This Helmholtz
decomposition is guaranteed to exist when ~U vanishes at least as fast as 1/r for r →∞.
We assume that to be true for now. Below we will see that this is justified for physically
reasonable solutions.

We now consider the implications of the limitm× → 0. The only equation wherem×
appears is the curl-part of the ~U equation Eq. (22b). Using the Helmholtz decomposition
of ~U Eq. (23), we find

~∇× ~∇× ~∇× ~U× = O(m2
×) . (24)

Let’s assume that ~U× (and not just ~U itself) vanishes at infinity. Then, we find

~U× = O(m2
×) , (25)

by repeatedly applying the theorem mentioned at the very beginning of this section. Thus,
in the limit m× → 0, the vector field ~U is just the gradient of a scalar field,

~U = ~∇α+O(m2
×) . (26)

We can plug this result back into the remaining two equations, namely the divergence-
part of the ~U equation of motion Eq. (22a) and the Φ equation of motion Eq. (18a),

∆(Φ− α) = 4πGNfG(ρb + ρc) , (27)

~∇

(
µ̃

(
|~∇α|
a0

)
~∇α

)
= ∆(Φ− α) . (28)

This can be rewritten as

∆(Φ− α) = 4πGNfG(ρb + ρc) , (29)

~∇

(
µ̃

(
|~∇α|
a0

)
~∇α

)
= 4πGNfG(ρb + ρc) . (30)
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This is equivalent to the system of equations Eq. (6) obtained by setting the vector field
~A to zero, just with ~∇ϕ replaced by ~∇α. Thus, the procedure of Skordis and Złosnik
(2021) is justified in the m× → 0 limit.

For the original equations of motion obtained by Skordis and Złosnik (2021), Eq. (6),
the field ~∇ϕ does fall off at least as fast as 1/r for physical solutions (Mistele et al.,
2023; Skordis and Złosnik, 2021). Thus, at least in the limit m× → 0, the same is true
for ~∇α = ~U and the decomposition of ~U given in Eq. (23) does indeed exist.

This shows that the m× → 0 limit of AeST reproduces MOND-like behavior as
long as the effects of the ghost condensate density are negligible. In particular, AeST
reproduces a two-field version of MOND in this limit.

5 Scale-dependence of the two limits

Above, we have seen that AeST reduces to a single-field version of MOND form× →∞
and to a two-field version for m× → 0. In practice, whether the single-field or the two-
field limit is applicable depends not only on the value of the model parameterm×. It also
depends on the system under consideration. In particular, consider a system with typical
length scale l. Then, derivatives can very roughly be estimated to be of order 1/l. Thus,
in practice, the relevant quantity is m×l (see Eq. (18b)),

m×l� 1 : single− field limit , (31)

m×l� 1 : two− field limit . (32)

That is, even after fixing the AeST model parameters, some systems will behave as in
a single-field version of MOND while others will behave as in a two-field version of
MOND.

The quantity m× =
√

(2−KB)/KBQ0 is, to the best of our knowledge, not yet
constrained phenomenologically. For the explicit examples of model parameters given in
Skordis and Złosnik (2021), we have

10−4 Mpc−1 . m× . 1 Mpc−1 . (33)

Thus, in the following, we will assume this range of parameter values, though other
choices are certainly possible. For this range of parameter values, the transition from the
two-field limit (small spatial scales) to the single-field limit (large spatial scales) happens
for l ∼ Mpc or larger.

To be concrete, this means that the two-field limit is relevant for wide binaries (l ∼
kAU), and at least the inner parts of galaxies (l ∼ kpc). For galaxy clusters (l ∼ Mpc),
the single-field limit may be relevant depending on the details of the cluster under con-
sideration and the precise value of m×.
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6 Galactic rotation curves are almost the same in both limits

Above, we have seen that the quasi-static limit of AeST is more complicated than what
Skordis and Złosnik (2021) have proposed based on the assumption of a vanishing vector
field ~A. The procedure of Skordis and Złosnik (2021) is justified for systems much
smaller than the model parameter 1/m×, but not in general. In practice, however, the
value ofm× is often unimportant. That is, in practice, one can often follow the procedure
of Skordis and Złosnik (2021) even for systems larger than 1/m×.

One particular example is spherical symmetry. In this case, the value of 1/m× is
irrelevant. That’s simply a consequence of the fact that 1/m2

× enters only as the prefactor
of a curl term which must vanish in spherical symmetry. In that case, one finds the
algebraic MOND-like relation,

atot = aN ν

(
|aN |
a0

)
, (34)

independently of the value of m×. Here, aN is the Newtonian acceleration due to the
mass corresponding to the density ρ ≡ ρb + ρc, which includes both the baryonic matter
and the ghost condensate. The function ν can be found from µ by solving µ(x)x = y for
x and writing the result in the form ν(y)y = x (Famaey and McGaugh, 2012). Thus, in
the case where the ghost condensate is negligible, this gives the standard MOND relation
atot = ab ν(ab/a0).

Many astrophysically relevant systems are not spherically symmetric, of course. But
even in axisymmetric systems does the value of m× not matter in practice. This can
be seen from Fig. 1, which shows the Milky Way rotation curve as calculated for the
two limits m× → 0 and m× → ∞ for the Milky Way mass model from McGaugh
(2019). Here, we assume m2/fG = 0 for simplicity. That is, we assume that the ghost
condensate density vanishes. This is a good approximation at the radii considered here,
at least for the usual choice

√
fG/m & Mpc (Mistele et al., 2023; Skordis and Złosnik,

2021). Details of the numerical procedure are described in Appendix A.

For reference, Fig. 1 also shows a rotation curve obtained from the algebraic rela-
tion Eq. (34). This algebraic relation is often considered a reasonable approximation in
MOND. We see that the difference between the m× → 0 and m× → ∞ limits is much
smaller than that between the algebraic case and either value ofm×. Indeed, the effect of
m× is much smaller than the systematic uncertainties in modelling the Milky Way (Mc-
Gaugh, 2019). Thus, in practice, the value of m× is unlikely to play a role for galactic
rotation curves.

The same holds for observables based on the vertical acceleration above the Milky
Way disk (see for example Lisanti et al. (2019) and Zhu et al. (2023)). This is illustrated
in Fig. 2 which shows almost no difference between the limits m× → 0 and m× →∞.
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Figure 1: The rotation curve of the Milky Way for the single-field limitm× → 0 (dashed
blue line), the two-field limit m× → 0 (dash-dotted red line), and as calculated from the
algebraic MOND relation Eq. (34). This is with the simple interpolation function µ(x) =
x/(1 + x), fG = 0.99, and without the ghost condensate mass, i.e. for m2/fG = 0. We
assume the Milky Way mass model from McGaugh (2019).
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Figure 2: The vertical acceleration for the same Milky Way model as shown in Fig. 1
at the solar radius R = 8.1 kpc for the single-field limit m× → ∞ (dashed blue line),
the two-field limit m× → 0 (dash-dotted red line), and as calculated from the algebraic
MOND relation from Eq. (34).

7 Percent-level effect for wide binaries

Since the field equations of MOND are inherently non-linear, the environment of a system
can affect its internal dynamics. This is the so-called External Field Effect (EFE) and it
violates the Strong Equivalence Principle. For us, the important thing is that single-field
and two-field versions of MOND do not produce the same EFE (Milgrom, 2009).

One particular type of system where the EFE is important are wide binaries (Banik
and Zhao, 2018, 2015). Intriguingly, recent observational studies of wide binaries are
getting close to percent-level accuracy in acceleration (Chae, 2023; Hernandez, 2023;
Pittordis and Sutherland, 2023). Thus, even small differences in what AeST predicts
compared to other models can be important.

As discussed in Sec. 5, the two-field limit m× → 0 of AeST is the relevant one
for wide binaries. Previous works have not considered this two-field version of MOND,
focusing on other models such as that obtained in the m× → ∞ limit of AeST (i.e.
AQUAL, Banik and Zhao, 2018, 2015). Thus, any difference between these two limits
indicates that the AeST prediction for wide binaries deviates from what previous studies
considered. In this regard, a more general point is that different models that reproduce
the same basic tenets of MOND, such as being able to explain the RAR, may differ in
their secondary predictions such as the size of the EFE (Milgrom, 2023, 2014).

As we will now show, there can indeed be percent-level differences between the
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single-field and and two-field limits of AeST. However, there’s also reason to be care-
ful with quantitative statements. As we will argue, in the two-field limit, wide binaries
are much more sensitive to the details of the local Galactic field than in the single-field
limit. Any quantitative statement about the difference between these two limits must be
understood to be relative to a particular model of the Milky Way and it is plausible that
different Milky Way models erase or significantly enhance the percent-level differences
mentioned above.

To see this, we again assume that the ghost condensate’s mass is not important or,
equivalently, that m2/fG = 0. This is a good approximation on the small scales, l ∼
kAU, that are relevant here. We also assume that the EFE dominates everywhere in
the wide binary system under consideration. This approximation is reasonable when the
distance between the two stars in the binary system is relatively large (Banik and Zhao,
2018, 2015). Importantly, these approximations allow us to make analytical estimates.
More involved numerical calculations are left for future work.

As already mentioned, for the internal dynamics wide binaries, the two-field limit
m× → 0 is the relevant one. For simplicity, we assume that the external field produced
by the Milky Way can be calculated using the same limit. We expect this to be a good
approximation, since the m× → 0 limit is valid up to scales of order 1/m× which
in our case means up to 1 Mpc − 104 Mpc. Thus, we generally expect only sub-percent
differences between the actual external field and that calculated using them× → 0 limit.3

For reference, we first consider the single-field limit m× → ∞, assuming that the
external field is also calculated in this limit. This is equivalent to AQUAL and is explicitly
discussed in Banik and Zhao (2015). They find for the radial acceleration in the binary
system, a, relative to that in the Newtonian case, aN ,

a

aN

∣∣∣∣
m×→∞

=
1

µ(xe)
√

1 + sin2 θ L(xe)
. (35)

Here, µ(x) is the interpolation function of single-field MOND (see Sec. 4.1), L(x) is its
logarithmic derivative,

L(x) ≡ xµ′(x)

µ(x)
, (36)

xe is the gradient of the external gravitational potential Φe relative to a0,

xe =
|~∇Φe|
a0

, (37)

3In Appendix B, we consider what happens when the external and internal fields cannot be calculated
using the same assumption about whether m×l is large or small. We show that, in this case, the external
fields xe and xϕ,e (see below) have to be calculated differently but Eq. (35) and Eq. (38) remain valid. Thus,
any deviations from our results due to this can be captured in a factor f as introduced below in Eq. (46).
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and θ is the angle between the radial direction (connecting the two stars in the binary
system) and the external field.

It is straightforward to adopt the procedure of Banik and Zhao (2015) to the two-field
limit m× → 0. We find

a

aN

∣∣∣∣
m×→0

= fG

1 +
1

µ̃(xϕ,e)
√

1 + sin2 θ L̃(xϕ,e)

 , (38)

where µ̃(x) is the two-field version of the interpolation function (see Sec. 4.2), L̃(x) is
its logarithmic derivative, and xϕ,e is the gradient of the external gravitational potential
ϕe relative to a0,

xϕ,e =
|~∇ϕe|
a0

. (39)

This expression for a/aN has a very similar structure as the corresponding single-field
expression Eq. (35), except there are now two terms, corresponding to the two fields Φ
and ϕ, the single-field interpolation function µ is replaced with its two-field counterpart
µ̃, and there is an overall factor of fG.

Importantly, in the two-field limit, it is only the external field of the field ϕ that plays
a role, the external field of Φ is irrelevant. This is because the Φ equation of motion is
linear so that there is no EFE.

This is related to an important complication in the two-field limit, regarding how to
choose the value of xϕ,e. In the single-field limit, a simple way to choose the external
gravitational field is to reproduce the observed circular rotation curve of the Milky Way
at the solar radius,

xe =
|~∇Φe|
a0

≡ 1

a0

V 2
c

R�
. (40)

In the two-field limit, reproducing the value of V 2
c /R� means

xΦ,e + xϕ,e = |~∇Φe + ~∇ϕe| ≡
1

a0

V 2
c

R�
, (41)

where xΦ,e ≡ |~∇Φe|/a0 and, for simplicity, we assumed that ~∇Φe and ~∇ϕe point in
the same direction. The important point is that, in the single-field case, the observed
value of V 2

c /R� directly gives xe and that is all that is needed to calculate a/aN from
Eq. (35). This is different in the two-field case. The observed value of V 2

c /R� only gives
the sum xΦ,e + xϕ,e while calculating a/aN from Eq. (38) requires the xϕ,e part of that
sum individually.

This is the complication for the two-field case mentioned above. It requires additional
assumptions about the external field to know which part of the total acceleration V 2

c /R�
comes from Φ and which part comes from ϕ.
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Here, we first consider a spherically symmetric external field. Of course, the Milky
Way is not spherically symmetric, but this case serves as an illustrative starting point. We
discuss more general cases below. Assuming spherical symmetry, the total acceleration
xtot,e ≡ |~∇Φe + ~∇ϕe|/a0 in the two-field case satisfies the standard algebraic MOND
relation with the interpolation function µ from the single-field limit,

µ(xtot,e)xtot,e = ye , (42)

where ye is the gradient of the Newtonian external potential relative to a0. This follows
from Eq. (29) in spherical symmetry and the definition of µ in terms of µ̃ Eq. (19). In
addition, we have xΦ,e = fG ye directly from Eq. (29). This gives

xϕ,e = x�(1− fGµ(x�)) with x� ≡
1

a0

V 2
c

R�
. (43)

Thus, assuming spherical symmetry, we can calculate a/aN from just V 2
c /R� even

in the two-field limit. Explicitly,

a

aN

∣∣∣∣spherical

m×→0

= fG

1 +
1

µ̃(xϕ,e)
√

1 + sin2 θ L̃(xϕ,e)

∣∣∣∣∣∣
xϕ,e=x�(1−fGµ(x�))

, (44)

with x� as defined in Eq. (43). This should be compared to the single-field result Eq. (35)
with xe = x�. We quantitatively compare these two cases in Fig. 3.

From Fig. 3, we see that the two-field and the single-field limits give the same accel-
eration when the external field points in the radial direction, sin2 θ = 0. In contrast, when
the external field is perpendicular, sin2 θ = 1, the acceleration in the two-field limit is a
few percent smaller than in the single-field limit. Banik and Zhao (2018) also consider
an acceleration averaged over θ,

〈a〉 ≡ 1

2

∫ π

0
dθ sin θ a . (45)

As we can see from Fig. 3, this averaged acceleration is again smaller for the two-field
limit than for the single-field limit. The magnitude of the effect after averaging is similar
to that in the perpendicular case without averaging.

These results are often a good approximation even beyond spherical symmetry, namely
whenever the algebraic relation µ(xtot,e)xtot,e = ye from Eq. (42) is a good approxima-
tion. This is indeed often the case, see for example Bekenstein and Milgrom (1984) and
Hossenfelder and Mistele (2020).

However, one also must be careful here. Since the difference between the single-
field and the two-field limits is just a few percent, one should use the algebraic relation
Eq. (42) only if it is valid well below the percent level. Otherwise, any real effect may be
washed out by errors in the external field.
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Figure 3: The radial acceleration in a wide binary system relative to that in the New-
tonian case for the single-field limit m× → ∞ (blue) and the two-field limit m× → 0
(red) of AeST. For real-world wide binaries with separations l ∼ kAU, the two-field
limit m× → 0 is the relevant one. Markers with a diamond shape indicate an external
field parallel to the radial direction, sin2 θ = 0, markers with a triangle shape indicate
a perpendicular external field, sin2 θ = 1, and markers with a circle shape indicate the
angular average from Eq. (45). We assume that the external field dominates everywhere
in the binary system and use the simple interpolation function µ(x) = x/(1 + x). We
further assume fG = 0.99 and no ghost condensate mass, i.e. m2/fG = 0. The external
field is calculated from the acceleration V 2

c /R at the solar radius R = 8.1 kpc for the
Milky Way model shown in Fig. 1. For the single-field limit, the value of V 2

c /R alone
suffices to calculate a/aN . For the two-field limit, we additionally assume the algebraic
MOND relation Eq. (34).
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Figure 4: The angle-averaged acceleration Eq. (45) in a wide binary system relative to
the Newtonian case as a function of how much the external field xϕ,e in the two-field
limit m× → 0 deviates from what the algebraic relation Eq. (34) implies (solid red
line). For comparison we also show the single-field limit m× → ∞ (dashed blue line)
which does not depend on f . Apart from this factor f , the calculation is the same as in
Fig. 3. The vertical dashed line denotes the prediction for an external field that follows
the algebraic MOND relation, f = 1, while the dotted vertical line shows what we find
for the axisymmetric Milky Way model from McGaugh (2019), see also Fig. 1.
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We show the effect of deviations from the algebraic relation Eq. (42) in Fig. 4. In
particular, we show how the averaged acceleration ratio 〈a〉/aN in the two-field limit
changes when the gradient of the external field xϕ,e deviates from what the algebraic
relation Eq. (42) says it should be. We parametrize the deviation of xϕ,e from its value
derived from this algebraic relation by a factor f ,

f ≡ xϕ,e

xalgebraic
ϕ,e

≡ xϕ,e
x�(1− fGµ(x�))

. (46)

From Fig. 4, we see that a deviation of xϕ,e from its algebraic value by a few percent
also changes the acceleration 〈a〉/aN by a few percent. In particular, smaller values of
xϕ,e bring the single-field and the two-field limit closer together, while larger values push
them apart. A moderately smaller value, f ≈ 0.95, erases the difference between the two
limits.

Thus, compared to the single-field limit, one needs to know the details of the Milky
Way’s gravitational field much more precisely when making predictions for wide binaries
in the two-field limit. As one particular example, we here consider the axisymmetric
Milky Way model already discussed in Sec. 6. In that model, comparing the numerically
computed value of xϕ,e at the solar radius to that inferred from the algebraic relation
Eq. (42) gives

f ≈ 0.963 . (47)

This value is also highlighted in Fig. 4. We see that this leaves a difference of only about
1.5 percentage points between the single-field and the two-field limit.

One might conclude that the value of m× makes very little difference for wide bina-
ries. That is, one might expect that the AeST prediction (corresponding to the two-field
limitm× → 0) is very close to what previous studies have found for AQUAL (i.e. for the
single-field limit m× → ∞). However, as we have seen, any quantitative statement de-
pends sensitively on the details of the local gravitational field of the Milky Way. Indeed,
the Milky Way disk is found not to be in equilibrium and non-axisymmetries may not
be negligible (Antoja et al., 2018; Faure et al., 2014; McGaugh, 2019). Plausibly, such
effects can either erase or significantly enhance the percent-level differences between
AeST and other models of MOND. Thus, quantitative predictions require more involved
numerical studies that take such effects into account. They also require carefully evalu-
ating how accurate such predictions can be given the observational uncertainties. This is
left for future work.

8 Conclusion

Previous discussions of the quasi-static limit of AeST have assumed that the vector field
~A vanishes. Here, we have shown that this assumption is, in general, not justified. We
have also shown how to correctly take the vector field into account. In particular, we find
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that the quasi-static limit depends on a model parameter m×. In the limits m× →∞ and
m× → 0 one recovers a single-field and a two-field version of MOND, respectively. The
two-field version of MOND is precisely what was found in previous works where the
vector field was neglected. Thus, these previous works are justified in the limit m× → 0,
but not in general.

For finite values of m×, the quasi-static limit of AeST represents a novel version
of MOND that does not reduce to any of the previously-proposed versions such as
AQUAL (Bekenstein and Milgrom, 1984), quasi-linear MOND (QUMOND, Milgrom,
2023, 2010), or modified inertia (Milgrom, 2022).

In practice, however, numerical calculations indicate that the value of m× makes
almost no difference for radial and vertical accelerations in galaxies. Thus, for rotation
curves, for example, our results are of purely theoretical interest.

In contrast, we find that there may be a percent-level difference for the acceleration
in wide binaries. This is of practical interest since observations are getting close to reach-
ing that level of precision. Unfortunately, for the phenomenologically relevant two-field
limit m× → 0, the acceleration in wide binaries depends sensitively on the details of
the local gravitational field of the Milky Way. Thus, quantitative theoretical predictions
require numerical follow-up studies that take into account the full complexity of the solar
neighborhood.
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Appendix A Numerical procedure

We numerically solve the equations of motion Eq. (29) (for the two-field limit m× → 0)
and Eq. (21) (for the single-field limit m× → ∞) using the Julia package ‘Gridap.jl‘
(Badia and Verdugo, 2020; Verdugo and Badia, 2022). For this, we use cylindrical coor-
dinates R, z that we rescale to dimensionless coordinates Rx = R/l, zx = z/l with the
length scale l = 10 kpc. We further rescale the fields Φ and ϕ by a factor A = 10−7,
giving uΦ = Φ/A and uϕ = ϕ/A.

We solve the equations in a spherical region with radius R < 100 kpc, i.e. Rx <
10 ≡ Rx,max. We further assume that solutions are symmetric under z → −z which
corresponds to the z → −z symmetry of the Milky Way mass model from McGaugh
(2019) that we consider here.

‘Gridap.jl‘ expects the equations to be given in weak form. In the two-field limit
m× → 0, this means we do not directly solve Eq. (29). Instead, we find functions uΦ
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and uϕ for which the following integral vanishes for arbitrary test functions v and w,

0 =

∫ Rx,max

0
dRxRx

∫ √R2
x,max−R2

x

0
dzx

[
− (∂iv) · (∂iuΦ)

− (∂iw) ·

(
µ̃

(
A|~∇uϕ|
la0

)
∂iuϕ

)

− (v + w) · 4πGN l
2

A
fG ρb(Rx, zx)

]
.

(48)

Here, the subscript i of ∂i runs overRx and zx. Similarly, |~∇uϕ|means
√

(∂iuϕ)(∂iuϕ).
We left out the condensate density ρc since we are only interested in the casem2/fG = 0.
The baryonic energy density ρb(R, z) is that of the Milky Way model from McGaugh
(2019). The single-field limit m× →∞ is analogous.

The integral in Eq. (48) is evaluated on a mesh that we generate using ‘Gmsh‘
(Geuzaine and Remacle, 2009). The mesh has size Rx,max and is generated with a
‘mesh size callback‘ function that returns the default cell size or 0.005·(1+

√
R2
x + z2

x),
whichever is smaller.

On the boundary Rx = Rx,max, we impose a constant value for uϕ and uΦ. That
is, we impose that the fields are spherically symmetric there. Which values we impose
does not matter because the absolute values of uϕ and uΦ are inconsequential in the
m2/fG = 0 case we consider here. We choose uϕ = 4.1 and uΦ = −5.0 for the
two-field limit m× → 0 and uΦ = −5.0 + 4.1 for the single-field limit m× → ∞.
On the other boundary, zx = 0, the form of the integral Eq. (48) implicitly imposes
homogeneous von Neumann boundary conditions which encode the z → −z symmetry.

Appendix B More general external fields

In Sec. 7, we assumed the same limit – m× → 0 or m× → ∞ – for both the internal
and the external fields of wide binary systems. But, in principle, it can happen that the
external field cannot be calculated using the same limit as the internal field (see Sec. 5).
Here, we show that in such a case Eq. (35) and Eq. (38) remain valid. Only the external
fields xe and xϕ,e that enter these equations need to be calculated differently.

To see this, we first write down the equations of motion Eq. (18) without assuming a
particular value of m× for a system embedded in external fields ~Ue and Φe,

∆Φ− ~∇~U = 4πGNfG(ρb + ρc) , (49a)

~∇Φ− 1

m2
×
~∇× ~∇× ~U = ~U + (~U + ~Ue) µ̃

(
|~U + ~Ue|

a0

)
− ~Ue µ̃

(
|~Ue|
a0

)
, (49b)
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where we used that ρc is linear in the field Φ. As in Sec. 7, we assume that the external
field dominates everywhere. For this case, we find the linear equations

∆Φ− ~∇~U = 4πGNfG(ρb + ρc) , (50a)

~∇Φ− 1

m2
×
~∇× ~∇× ~U = ~U + ~U µ̃e + (~U · ~Ue)

Ûe
a0
µ̃′e , (50b)

where Ûe denotes the direction of ~Ue and we use the shorthand notation

µ̃e ≡ µ̃

(
|~Ue|
a0

)
, µ̃′e ≡ µ̃′

(
|~Ue|
a0

)
. (51)

We now consider wide binary systems with typical length scale lwb and consider the
cases where m×lwb is large or small without assuming anything about the external field.
Below, we show that in this case we still reproduce Eq. (35) form×lwb � 1 and Eq. (38)
for m×lwb � 1, but with adjusted definitions of xΦ and xϕ,e compared to Sec. 7. For
concreteness, we assume that ~Ue points in the positive z direction.

B.1 The case m×lwb � 1

Consider first the case m×lwb � 1. Following the same steps as in Sec. 4.2, we find
from Eq. (50) that ~U = ~∇α+O((m×lwb)2), which leads to

∆(Φ− α) = 4πGNfG(ρb + ρc) , (52a)

∆(Φ− α) = µ̃e(∂
2
xα+ ∂2

yα) + µ̃e(1 + L̃e)∂
2
zα , (52b)

with the shorthand notation

L̃e =
|~Ue|
a0

µ̃′e
µ̃e
. (53)

This is equivalent to

∆(Φ− α) = 4πGNfG(ρb + ρc) , (54a)

µ̃e(∂
2
xα+ ∂2

yα) + µ̃e(1 + L̃e)∂
2
zα = 4πGNfG(ρb + ρc) . (54b)

Following the procedure of Banik and Zhao (2015) and neglecting the ghost condensate
density ρc, this gives the two-field expression for a/aN from Eq. (38), just with the
replacement

xϕ,e →
|~Ue|
a0

. (55)
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B.2 The case m×lwb � 1

Consider next the case m×lwb � 1. In this case, we find from Eq. (50),

∆Φ− ~∇~U = 4πGNfG(ρb + ρc) , (56a)

∂kΦ = Uk(1 + µ̃e) , (56b)

∂zΦ = Uz(1 + µ̃e) + Uzµ̃eL̃e , (56c)

where k = x, y. We can algebraically solve for ~U and plug the result back into the first
of these equations to find(

1− 1

1 + µ̃e

)
(∂2
xΦ + ∂2

yΦ) +

(
1− 1

1 + µ̃e(1 + L̃e)

)
∂2
zΦ = 4πGNfG(ρb + ρc) .

(57)

To make contact with Eq. (35), we must rewrite all occurrences of µ̃ in terms of µ. In
Sec. 4.1, the function µ is implicitly defined in terms of the function µ̃ by the relations

x ≡ u (1 + µ̃(u)) , (58a)

u = x (1− fGµ(x)) , (58b)

for all positive u. From both relations we can infer an expression for u/x. Equating these
gives a useful direct relation between µ̃ and µ,

(1 + µ̃(u))(1− fGµ(x)) = 1 . (59)

By taking a derivative of this relation with respect to x and using ∂u/∂x = 1−fGµ(x)(1+
L(x)) we find

1 + L̃(u) = (1 + L(x))
1− fGµ(x)

1− fGµ(x)(1 + L(x))
. (60)

After some algebra, we then obtain the relations

1− 1

1 + µ̃(u)
= fGµ(x) , 1− 1

1 + µ̃(u)(1 + L̃(u))
= fGµ(x)(1 + L(x)) . (61)

Thus, we have

µe(∂
2
xΦ + ∂2

yΦ) + µe(1 + Le)∂
2
zΦ = 4πGN (ρb + ρc) , (62)

with the shorthand notation

µe ≡ µ(xu) , Le ≡
xuµ

′(xu)

µ(xu)
, xu ≡

|~Ue|
a0

(
1 + µ̃

(
|~Ue|
a0

))
. (63)
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Following the procedure of Banik and Zhao (2015) and neglecting the ghost condensate
density ρc, this gives the single-field expression for a/aN from Eq. (35), just with the
replacement

xe →
|~Ue|
a0

(
1 + µ̃

(
|~Ue|
a0

))
. (64)
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Mateja Bošković1, 2 and Enrico Barausse1, 2

1SISSA, Via Bonomea 265, 34136 Trieste, Italy and INFN Sezione di Trieste
2IFPU - Institute for Fundamental Physics of the Universe, Via Beirut 2, 34014 Trieste, Italy

(Dated: May 16, 2023)

New light scalar degrees of freedom may alleviate the dark matter and dark energy problems, but if coupled
to matter, they generally mediate a fifth force. In order for this fifth force to be consistent with existing con-
straints, it must be suppressed close to matter sources, e.g. through a non-linear screening mechanism. In this
work, we investigate the non-relativistic two-body problem in shift-symmetric scalar-tensor theories that exhibit
kinetic screening (k-mouflage), both numerically and analytically. We develop an approximate scheme, based
on a Hodge-Helmholtz decomposition of the Noether current associated to the shift symmetry, allowing for a
qualitative insight into the dynamics and yielding results in good agreement with the numerical ones in most
of the parameter space. We apply the formalism to polynomial k-essence and to Dirac-Born-Infeld (DBI) type
theories, as well as to theories that develop “anti-screening”. In the deep nonlinear regime, we find that the fifth
force is screened slightly more efficiently in equal-mass systems than in extreme mass-ratio ones. However,
we find that systems with comparable masses also exhibit regions where the screening is ineffective. These de-
screened spheroidal regions (bubbles) could in principle be probed in the solar system with sufficiently precise
space accelerometers.

I. INTRODUCTION

Probes from laboratory to cosmological scales are con-
sistent with gravity being described by General Relativity
(GR) [1–3]. On the theoretical side, Poincaré invariance and
unitarity at low energies [i.e. in the infra-red (IR)] imply that
the long-range attractive universal interaction that couples to
both massive and massless particles must originate from a
spin-2 massless particle (the graviton), if one requires a sin-
gle force carrier [4]. In the classical limit, such a theory can
be non-linearly completed to GR [5, 6]. GR is a predictive
effective field theory (EFT) up to the Planck scale, where it
needs to be ultra-violet (UV) completed into a full theory of
quantum gravity [7].

On the IR side, there is also clear evidence for the presence
of new forms of matter - dark energy (DE) [8–10] and dark
matter (DM) [9, 11–13]. As the presence of both of these com-
ponents is inferred only from gravitational experiments, it is
reasonable to ask whether the gravitational interaction stems
from other degrees of freedom, in addition to tensor gravitons,
in order to explain these phenomena (partially or in full).

For instance, cosmological observations are consistent with
the presence of an effective cold DM component on large
scales [9, 11–13]. There are a plethora of models providing a
microphysical explanation for this component, although none
has yet been confirmed experimentally [13, 14]. An alterna-
tive approach, the phenomenological proposal of modifying
Newtonian gravity, known as Modified Newtonian Dynamics
(MOND) [15, 16], had some success on galactic scales [17].
Possible relativistic generalizations of MOND [18–21] seem
to be disfavored by LIGO/Virgo observations [22, 23] and are
yet unsuccessful at explaining the structure of the Universe on
large scales [24]. However, some proposals (e.g. superfluid
DM [25]) have also attempted to combine cold DM’s success
on extra-galactic scales with MOND’s advantages on galactic
scales. If these models are viable, a MOND-like phenomenol-
ogy would arise from the fifth force operating on galactic
scales.

Beyond-GR scalar-tensor theories may also provide an ef-
fective DE phenomenology on large cosmological scales. Ex-
amples include Horndeski theory [26] and its generaliza-
tions [10, 27–29], which can be organized in an “EFT of
DE” [30]. Some of these models also provide hints about how
the cosmological constant problem could be addressed with-
out resorting to an anthropic explanation [10]. The problem
with such an approach is that one needs to explain the absence
of fifth forces on local (e.g. solar system) scales.

For example, the simplest way of extending GR is to intro-
duce a massless scalar conformally coupled to matter, which
leads to Fierz-Jordan-Brans-Dicke (FJBD) theory [31–33].
This theory, formally part of the Horndeski class, is strongly
constrained in the solar system, e.g. by the Cassini flyby
[34]. In order for the fifth force to be consistent with these
local experimental constraints, it must be suppressed close to
matter sources, e.g. through a non-linear “screening” mech-
anism [35–38]. In contrast to GR, whose coupling to matter
and self-coupling are completely determined by unitarity and
Poincaré invariance [4], massless scalars allow for different
screening mechanisms, e.g. through scalar or derivative self-
interactions [38]. Examples of the former are chameleon [39]
and symmetron [40] screening, while examples of the latter
include kinetic screening (or k-mouflage) [36] and Vainshtein
screening [35, 37]. In more detail, kinetic screening is acti-
vated either when the first derivative of the scalar field (i.e. the
Newtonian acceleration) exceeds a certain threshold, while the
relevant quantity for Vainshtein screening is the second (i.e.
curvature) derivative of the scalar field. In this work, we focus
on kinetic screening, although there are significant similarities
between these two derivative-based types of screening.

A class of theories that admit kinetic screening is given
by K(X) theories1 [38]. These theories, also known as k-

1 These are usually referred to as P (X) theories in flat space, and as K(X)
theories in curved space.
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essence, are described by the action

S =

∫
d4x
√
−g
[
M2

Pl

2
R+K(X)

]
+ Sm(Ψi, g̃µν) , (1)

where MPl is the Planck mass, X = gµν∂µϕ∂νϕ, K(X) is a
function that defines the theory, Sm denotes the matter action,
Ψi represents a set of matter fields, and g̃µν = Φ−1gµν , with
the function Φ(ϕ) defining a conformal coupling to matter.
The simple polynomial

K = −1

2
X +

β

4Λ4
X2 − γ

8Λ8
X3 + . . . , (2)

with Λ an energy scale, allows for screening to develop in
spherical symmetry [36, 41, 42] and axisymmetry [43], for
certain values of β < 0 and γ > 0. In the non-linear screen-
ing regime, when X & Λ4, one would expect the dynamics to
be outside the EFT regime. Luckily, K(X) theories are radia-
tively stable in the non-linear regime, and the scale Λ should
be interpreted as a strong-coupling scale and not as the cut-off
of the theory [44, 45] (see App. A for details). In addition, the
conformal coupling of the scalar to matter is radiatively stable
against corrections from the matter sector [46].

Although the speed of sound in these theories can be super-
luminal [47], this does not imply the breakdown of causal-
ity [48–50]. Indeed, the initial-value (Cauchy) problem is
well-posed for a large class ofK(X) theories, with or without
screening [48–52].2 On the other hand, positivity bounds [58]
may prevent the EFT from having a standard local, unitary,
Lorentz-invariant completion. It is unclear whether this is
true for all the choices of K(X) that allow for screening [59–
61], and whether allowing for Lorentz violations in the UV
may allow for relaxing these bounds. (Note that kinetic-like
screening can also be achieved by breaking Lorentz symmetry
explicitly at low energies [19–21]). An alternative to the stan-
dard UV completion could be considered by means of classi-
calization [62].
k-essence and similar theories are relevant for the DE/DM

problems described above. Self-acceleration of the universe
can be obtained with models of the type K(X,ϕ) [63, 64], al-
though those generically do not lead to screening [41]. Purely
kinetic models K(X) can also serve as DE, although with
some degree of fine tuning [65, 66]. Models that produce
a MOND-like phenomenology on galactic scales are also of
this type, sometimes featuring complex scalar fields and addi-
tional non-derivative self-interactions [25, 67, 68]. The class
of K(X) models can also generate “anti-screening”, where
the fifth force increases near matter [69]. An interesting fea-
ture of these models is that they do not violate the positivity
bounds, and therefore they are expected to have a standard UV
completion.

2 This is a nice feature, although one should note that EFTs with perfectly
healthy UV completions may suffer from a breakdown of hyperbolicity
(and thus of the Cauchy problem) in the IR [53–55]. Thus, the require-
ment of hyperbolicity is not informative on the values of the Wilson coef-
ficients, although it has practical importance for numerical relativity (see
however [54–57]).

In the non-linear regime, k-essence theories are non-trivial
to work with. Recently, significant effort has been directed
at producing numerical simulations of the full non-linear dy-
namics in both k-essence [42, 52, 55, 70–74] and in theo-
ries with Vainshtein screening [75, 76] (in the flat spacetime
limit)3. These breakthroughs allowed for studying stellar os-
cillations [72, 74], gravitational collapse [72] and neutron star
mergers [73]. These simulations, as well as numerical results
for the two-body problem in the stationary limit [43, 83, 84],
indicate that the phenomenology of screening in dynamical
regimes and beyond spherical symmetry presents non-trivial
differences from the static and spherically-symmetric case.
This modified phenomenology may include a partial break-
down of the screening mechanism [72, 73] and allow for fur-
ther constraints on the parameter space of these theories. In
addition to the inherent difficulties of k-essence theories, a
further obstacle in a fully numerical approach arises for the
cosmologically motivated models where Λ ∼ (H0MPl)

1/2,
as the latter implies a huge separation between the cosmolog-
ical scales and the local scales relevant for the solar system or
compact object binaries. It is thus important to understand in
more detail, analytically as much as possible, the physics of
kinetic screening.

In this work, we will focus on the two-body problem in the-
ories with kinetic screening. We consider this problem first
analytically, providing a decomposition of the scalar equation
and solving it with various approximation techniques, and we
then numerically check their validity. In particular, we will
discover a partial breakdown of the screening mechanism in
the regime where one would expect it to operate. We will
consider the two-body problem for different choices of the ki-
netic function K(X), including a modification of DBI theory
that allows for “opposite” DBI screening [85], i.e.

K(X) = Λ4
√

1− Λ−4X . (3)

Phenomenologically, the two-body problem is relevant in
several astrophysical scenarios, e.g. in the solar system and
in binary pulsars, where tests of gravity have historically been
performed [1, 34, 86–89], and more recently in the merging
binaries of compact objects detected by gravitational wave
(GW) experiments [1, 3, 87]. While the calculations of this
paper are only at leading post-Newtonian (PN) order and are
clearly inadequate to quantitatively describe binary mergers,
they do nevertheless allow for a qualitative insight into the
dynamics of binary systems beyond GR.

This paper is organized as follows. In Sec. II we will pro-
vide the field equations of k-essence, show how they can be
reformulated, using the Hodge-Helmholtz decomposition, re-
view kinetic screening and illustrate it in the case of isolated
objects. In Sec. III we will describe the analytical approx-
imations and the numerical formalism that we use to study
the two-body problem in k-essence at leading PN order in the
scalar sector. In Sec. III C we will focus on a specific finding

3 Simulations have also been performed in other scalar-tensor theories in the
Hordenski class that do not exhibit screening [77–82].
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of our investigation - the appearance of pockets of linear dy-
namics inside a region that would be in a non-linear regime in
the absence of the second object. Thus far, our results will be
either general or focused on a polynomial k-essence model.
In Sec. IV we will instead explore other models, including
“opposite” DBI screening and anti-screening. We will sum-
marize our results in Sec. V. Some details on the regime of
validity of EFTs in theories with kinetic screening and on the
regularization of point-particle divergences are presented in
Appendices A and B, respectively. In App. C we comment on
the parallel between the Hodge-Helmholtz decomposition and
classical dual reformulation of self-interacting theories devel-
oped in Refs. [90, 91]. Finally, validations of our numerical
code are described in App. D. Throughout this paper, we will
employ a mostly plus metric signature (−+ ++) and natural
units c = ~ = 1, withM2

Pl = 1/(8πGN). Spatial components
are denoted with Latin letters, vectors in R3 are in boldface
and the unit vectors carry a hat.

II. SETUP

A. k-essence equations of motion

The action for a k-essence scalar-tensor theory is given by
Eq. (1). Matter is assumed to be minimally coupled to the con-
formal metric4 g̃µν = Φ−1gµν , for whose conformal factor we
consider the following expansion at leading order ϕ/MPl:

Φ−1 ≈ 1 +
α

MPl
ϕ . (4)

In spherical symmetry, screening is a robust consequence of
this action [for appropriate choices ofK(X)], even when con-
sidering higher order corrections to this expansion [93]. From
the action, the equations of motion are

Gµν =
1

M2
Pl

(Tµν + Tϕµν) , (5)

Tµν =
2√
−g

δSm
δgµν

, (6)

Tϕµν = K(X)gµν − 2KX∂µϕ∂νϕ , (7)

∇µ(KX∇µϕ) =
1

2

α

MPl
T , (8)

where Gµν = Rµν − Rgµν/2 and Rµν are the Einstein and
Ricci tensors for the metric gµν , Tµν and Tϕµν are the mat-
ter and the scalar energy-momentum tensors, and KX ≡
∂K/∂X .

Let us start by defining

χµ ≡ KX∇µϕ . (9)

4 One can also perform a field redefinition and work with the conformal met-
ric directly [92]. This is usually referred to as “Jordan frame”, as opposed
to the Einstein frame used in this paper.

In the absence of matter sources, this vector is covariantly
conserved and represents the Noether current associated with
the shift symmetry ϕ→ ϕ+ c. Let us then perform a Hodge-
Helmholtz decomposition of this current into a longitudinal
component ∂µψ and a transverse component Bµ:

χµ = −1

2
∇µψ +Bµ , (10)

∇µBµ = 0 . (11)

To check that this decomposition is unique and well-defined,
one can compute the divergence ∇µχµ = 2ψ, with 2 =
∇µ∇µ. One can then conclude that ψ is uniquely determined
if the D’Alembertian is invertible, which is the case if ψ is
given appropriate initial and boundary conditions. Bµ can
then be determined unambiguously5 from Eq. (10).

By replacing the decomposition (10) in Eq. (8), one then
gets the following Klein-Gordon equation for the longitudinal
mode:

2ψ = − α

MPl
T . (12)

As for Bµ, taking a covariant derivative of Eq. (9) and anti-
symmetrizing we obtain

∇[νBµ] = KXX∇[νX∇µ]ϕ , (13)

where the antisymmetric part of a tensor Sµν is defined as
S[µν] = (Sµν − Sνµ)/2. This equation can be put in man-
ifestly hyperbolic form by taking a divergence [using also
Eq. (11)], which leads to

2Bµ −RµνBν = Jµ , (14)
Jµ = 2∇ν [KXX∇[νX∇µ]ϕ] . (15)

Note that this is formally the same as the equation for the rel-
ativistic vector potential in electromagnetism. In particular, in
FJBD theory KXX = 0, and this equation therefor implies
Bµ = 0 and ϕ = ψ. [This can also be seen directly from
Eqs. (9)–(10), recalling that KX = −1/2 in FJBD theory].
Thus, we will refer to ψ as the FJBD field.

By squaring Eq. (9), one obtains χµχµ = K2
XX . In

order to express X as a function of χµχµ, K2
XX needs

to be a monotonic function of X . This therefore requires
1 + 2XKXX/KX being sign definite. One can obtain the
same condition by requiring invertibility of ∂µϕ in terms of
χµ from the transformation (9). That requires the Jacobian of
Eq. (9), i.e.

Jµν = KXgµν + 2KXX∂µϕ∂νϕ , (16)

5 More generally, the decomposition (10) is a consequence of the Hodge de-
composition theorem, which states that any p-form ω on a compact, Rie-
mannian manifold can be uniquely decomposed as ω = dΨ + d†β + γ,
where d† denotes a codifferential and γ is a harmonic form defined by
∆γ = 0 with ∆ = (d+ d†)2 [94]. In coordinates, this statement leads to
(10), provided that the harmonic component γ vanishes. This will indeed
be the case for appropriate boundary/initial conditions.
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to be sign-definite [59]. Since detJµν ∝ 1+2XKXX/KX ,6

this yields again the same condition. By requring addition-
ally invertibility for small values of X , one finally obtains the
condition

1 +
2KXXX

KX
> 0 . (17)

Remarkably, this is the same condition that is found by re-
quiring that the field equations of k-essence are strongly hy-
perbolic [48–52].

B. Non-relativistic and static limit

Let us now consider the scalar equation of motion at leading
PN order, i.e. at leading order in 1/c. To this purpose, let us
note that if c 6= 1 is reinstated, then gµν = ηµν +O(1/c2) and
2 = ∇2 +O(1/c2) (with∇2 = δij∂i∂j). The scalar equation
(8) at leading PN (i.e. Newtonian) order is therefore simply

∂i(KX∂
iϕ) =

1

2

α

MPl
T . (18)

For a binary system of point particles and again up to higher
order corrections in 1/c, one has

T = −maδ
(3)(r − ra(t))−mbδ

(3)(r − rb(t)) , (19)

where ra,b(t) are the two trajectories. It is then easy to check
that if we find a solution ϕstatic(r, r̄a, r̄b) for the static prob-
lem (with the two particles at rest at positions r̄a, r̄b), the solu-
tion to Eq. (18) for two particles in motion with velocities� c
can be obtained simply as ϕ(t, r) = ϕstatic(r, ra(t), rb(t)).
In the following we will therefore restrict, with no loss of gen-
erality (at least as long as one is working at Newtonian order),
to the case of two static point particles.

In terms of the (three-dimensional) Helmholtz decomposi-
tion7

χ = −1

2
∇ψ +B , (20)

Eq. (12) for ψ therefore becomes the Poisson equation

∇2ψ = − α

MPl
T . (21)

This equation can be solved for an N -body system simply by
linear superposition. If one could assume B = 0, one would

6 This can be easily proven for generic gµν by projecting the Jacobian (16)
on a tetrad basis.

7 This decomposition was also introduced for k-essence in Ref. [51], al-
though the solenoidal component was set to zero in spherical symmetry
(see Sec. II C). In the context of MOND, the decomposition was introduced
in Ref. [95], while the behavior of the two components was discussed for
a particular type of K(X) and in particular regions of space in a binary
problem in Ref. [96] (see Sec. III C).

have to invert Eq. (20) in order to find ϕ, i.e., by squaring that
equation, one would have to invert

K2
XX =

1

4
Xψ , (22)

with Xψ = (∇ψ)2. This is possible if Eq. (17) is satisfied.
The implicit assumption B = 0 was made, in the DBI case,
in Ref. [85]. However, it is not a priori clear that the solenoidal
componentB can be ignored. In the rest of the paper, we will
discuss the role and importance of this component.

In R3 the decomposition that we are using, i.e. one into a
longitudinal component (irrotational vector field) and a trans-
verse component (solenoidal vector field), is further strength-
ened by the Helmholtz theorem [97], which states that if all
involved functions have appropriate asymptotic behavior, the
decomposition (20) is unique and

ψ = − 1

4πMPl

∫
d3r′

αT (r′)

|r − r′|
, (23)

B =∇× 1

4π

∫
d3r′

C(r′)

|r − r′|
, (24)

C ≡∇× χ . (25)

From the definition of the vector χ [see Eq. (9)], one has

C = KXX∇X ×∇ϕ (26)
= 2KXXεijk∂lϕ∂j∂lϕ∂kϕ ,

where εijk is the totally antisymmetric Levi-Civita symbol.
It is clear that the solenoidal component will be highly sup-
pressed (or zero) in highly symmetric regions/scenarios where
∇X and ∇ϕ are parallel, or when non-linearities are sup-
pressed.

Note that the total gravitational force (at leading PN order)
between two bodies, separated by a distance D, is the sum of
the Newtonian/GR force and the scalar fifth force. In FJBD
theory the scalar force has a Newtonian-like behavior and just
renormalizes the gravitational constant:

Fg= FN + FFJBD (27)

=

(
GN +

α2

4πM2
Pl

)
mamb

D2
, (28)

where the term in brackets defines the effective gravitational
constant. In theories with screening, the fifth force will exhibit
a different behavior. In the following, we will ignore the usual
Newtonian/GR component and focus on the scalar force.

C. Isolated object

Let us first briefly review the solution for an isolated object,
extensively discussed elsewhere [41, 42, 51, 72, 93, 98], from
the perspective of the Helmholtz decomposition. In the case
of a point particle or a spherically symmetric object, spherical
symmetry implies that both∇ϕ and∇X must be parallel to
the radial vector r. Thus, from the discussion in Sec. II B
[and particularly Eq. (26)], the solenoidal component must
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vanish. The solenoidal component will vanish also in other
highly symmetric configurations, if there is only one vector in
the problem that all quantities need to be proportional to.

Consider a point particle at the origin with mass m. For a
quadratic choice of the kinetic function of Eq. (2), i.e.

K(X) = K2(X) ≡ −1

2
X − 1

4Λ4
X2 (29)

the full solution to Eq. (18) can be expressed in terms of the
generalized hypergeometric function as [43]:

ϕ=− 1

4πr
m

α

MPl
3F 2

[1

4
,

1

3
,

2

3
;

5

4
,

3

2
;−
(rsc

r

)4]
, (30)

rsc=
1

Λ

(
27

4

)1/4√
mα

4πMPl
(31)

= 3× 1011km×( α

0.1

)1/2
(

Λ

1.9× 10−3eV

)−1(
m

M�

)1/2

.

The length scale that controls the solution is the kinetic
screening radius rsc [36]. Fixing the value of rsc determines
the profile ofϕ(r)/(mα), although there is degeneracy among
the individual parameters {m,α,Λ}. One can compare this
“screened” solution to the FJBD one [Eq. (23)]. For a point
particle, the latter diverges at the particle’s location, while the
scalar field ϕ, as a result of the non-linear term in the kinetic
function K(X), remains finite, i.e. at small radii one has

ϕ ≈ −3.7Λ

√
mα

4πMPl
+ 3Λ4/3

(
mα

4πMPl

)1/3

r1/3 . (32)

The screening therefore acts as a physical “UV regulator” for
the field. Expanding the full result (30) around Λ → ∞ , one
instead obtains

ϕ = − mα

4πMPl

1

r
+

1

5

(
mα

4πMPl

)3
1

Λ4r5
+O(Λ−8) , (33)

which demonstrates that screening is a non-perturbative effect
appearing only in the regime X/Λ4 � 1, i.e. in order to
recover it one needs to resum all the terms in the perturbative
expansion [60].

Note that although the scalar field is finite at the origin, the
scalar gradient still diverges. This is, however, simply an ar-
tifact of the point particle approximation, i.e. the scalar gra-
dient goes to zero at the origin for a spherical star [42]. In
the following, when solving for the scalar field in a two body
system, we will therefore have to resolve (or “regularize”) the
Dirac deltas in order to allow for a numerical treatment of the
problem. We will do so by utilizing a Gaussian density model
for each point particle, i.e.

Ti = − mi

(
√

2πσ)3
exp

{
− (r − ri)2

2σ2

}
, (34)

where σ is the width of the Gaussian and ri is the position
of the particle. The solution of Eq. (18) with this source can-
not be expressed in closed form, even for a single particle,

10-7 10-5 0.001 0.100 10 1000
10-4

0.01

1

100

104

106

108

FIG. 1. Scalar gradients for the quadratic k-essence theory described
by Eq. (29) and for an isolated object located at r = 0. The screen-
ing radius is rsc = 100R (gray long dashed vertical line) and the
effective radius of the Gaussian source isR = 2σ (pink short dashed
vertical line). f = {ϕ,ψ} are respectively the k-essence scalar field
and its irrotational component (which matches the FJBD gradient).
Profiles are computed for a Gaussian source (index σ) and a Dirac
delta (no index).

although Eq. (22) provides a closed form expression for ∂rϕ
[see Eq. (50) below]. This expression, however, needs to be
integrated in order to find the scalar profile ϕ(r) for a single
point particle.

To test this regularization, we show in Fig. 1 the scalar gra-
dient, calculated with a Dirac delta and a Gaussian source. As
expected, the two profiles coincide outside the effective radius
of the object (R = 2σ). The same figure also shows the gradi-
ent of the FJBD field ψ, again for both sources. As expected
from previous studies [36, 42, 72], the gradients of ϕ (which
can be physically interpreted as the fifth force) are suppressed
with respect to the FJBD gradients ∂rψ, even inside the effec-
tive radius R. As the radial coordinate approaches the origin,
both gradients tend to zero for the regular Gaussian source, as
dictated by spherical symmetry and regularity [42, 72]. Fur-
ther details on the Gaussian regularization will be presented
in App. B.

III. THE TWO-BODY PROBLEM: POLYNOMIAL
k-ESSENCE

Unlike the isolated object case of Sec. II C, the two-body
problem is only axially symmetric, around the direction that
connects the two particles. Let us define the coordinate system
such that the particles (of masses mi) are located on the z
axis at zi = ±D/2 , where D is the separation and i is an
index running on the two particles a and b. We will work
in cylindrical coordinates (ρ, ϑ, z), with ρ =

√
x2 + y2 and

ϑ = arg(x, y). In principle, the scalar field could depend on
ϑ, but because the source on the right-hand side of Eq. (18)
does not, the dependence must be linear, i.e. ϕ = Lϑ+ϕ̄(ρ, z)
for some constant L. This would ensure that the left-hand side
of Eq. (18) is independent of ϑ. However, asymptotic flatness
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requires ϕ approaching zero far from the two-body system,
which in turn imposes L = 0.

Let us then solve the scalar equation (18) with the source
(19) and the polynomial kinetic function

K(X) = Λ4KN (X) , KN (X) = −
N∑
n=1

1

2n

(X
Λ4

)n
,(35)

which allows for screening as long as the leading order term
has a negative coefficient [60]. Note that the choice of the di-
mensionless series coefficient was made simply for computa-
tional convenience, and is not expected to qualitatively impact
our results (see also Sec. IV A). In App. A we argue, based on
Ref. [44], that the non-linear regime of the above theory is in
the EFT regime of validity for generic astrophysical scenarios
and every N > 1.

From the analysis of the scalar profile around an isolated
object in the previous section, we have seen that the screening
starts operating when X & Λ−4, and that the field strength
is governed by {m,α,Λ}. For a generic polynomial function,
in the region of deep screening the highest power of XN will
dominate. For an isolated point particle, we then have, from
Eq. (18), (

∂rϕ

Λ2

)2N−1

≈
(

mα

4πMPlΛ2

)
1

r2
. (36)

Thus, the lengthscale that controls the scalar field profile for
an isolated object is parametrically the same as for quadratic
k-essence, i.e.

rsc = cN

√
mα

4πMPlΛ2
, (37)

up to a numerical coefficient cN [for a quadratic kinetic func-
tion one has e.g. c2 = (27/4)1/4]. In particular, for N = 2,
from Eq. (36) one finds the small-radius expansion given by
Eq. (32), i.e. ϕ ≈ const + O(r1/3).

Let us now turn to the binary problem and define ma ≡ m
and mb ≡ m/q, q ≥ 1. Motivated by the previous discussion,
we introduce the rescaled dimensionless variables

xi = λxi , κ =
mα

4πMPl

(
λ

Λ

)2

, φ =
ϕλ

Λ2
,(38)

X =
X

Λ4
, Ψ =

ψλ

Λ2
, B =

B

Λ2
, C =

C

λΛ2(4π)
,(39)

where the constant λ (which has dimensions of a mass) is for
the moment left free. Note that the rescaling of the Cartesian
coordinates implies in particular the rescaling % = λρ. More-
over, from now on the spatial derivatives will be assumed to be
taken with respect to the rescaled coordinates xi unless other-
wise specified. With these rescalings, the scalar equation (18)
takes the form

∇ ·
(
∇φ

N∑
n=1

Xn−1

)
=

4πκ

[
δ(3)

(
r − D

2
ẑ

)
+

1

q
δ(3)

(
r +

D

2
ẑ

)]
(40)

We will from now on use the scale invariance of Eq. (40) to set
D = 1, and thus λ = D−1, without loss of generality. Thus,
the parameter space of the problem is defined by the (square
of the) ratio of the screening radius of the more massive object
and the inter-particle separation,

κ =
mα

4πMPlΛ2

1

D2
∝
(rsc

D

)2

, (41)

and by the mass ratio q. As mentioned earlier, to solve the
two-body problem numerically we will need a finite represen-
tation for the Dirac deltas, i.e. Eq. (34) for both sources,
centered at z = ±1/2. The appearance of a resolution length
scale σ now extends the dimension of the parameter space
from two to three: κ, q and R, where R = R/D = (2σ)/D.

In the following, for concrete calculations we will focus on
a quadratic model (N = 2), which makes Eq. (22) solvable
analytically. However, we will also provide analytic argu-
ments supporting the (qualitative) applicability of these results
to more general polynomial functions.

A. To B or not to B

As discussed in Sec. II C, a perturbative treatment of the dy-
namics is only useful outside the screening region(s). In that
regime, the solenoidal component is suppressed relative to the
irrotational one, as K′′ � 1 [see Eq. (26)]. Inside the screen-
ing region(s), the equation of motion is highly non-linear, and
an exact solution cannot be found for the two-body problem.
We will therefore attempt two approximations, whose validity
we will evaluate by self-consistency and by comparing to our
fully numerical results8.

As the Helmholtz decomposition (20) breaks the problem
into a straightforward part (irrotational component) and a
complicated one (solenoidal component), most of our focus
will be on understanding the solenoidal component. Let us
then outline its vectorial structure. As elaborated in the intro-
duction of this Section, from axial symmetry and asymptotic
flatness one has φ = φ(%, z), and thus from the Helmholtz
decomposition (20) one can conclude that Bϑ = 0. As the
source C is proportional to∇φ×∇X , and these two vectors
are spanned by {%̂, ẑ}, the only non-zero component of the

8 One can perform a field rescaling [99–101] or introduce an auxiliary field
at the level of action (dual formulation) that replaces the self-interacting
terms [90, 91] in order to obtain a well-defined perturbative expansion in
the screening region. In App. C we show that the dual formulation is in
fact equivalent to the Helmholtz decomposition. We have not been able
to solve the equation for the solenoidal component (14) in a binary prob-
lem even after such a reformulation. Other analytic approaches, based e.g.
on perturbing the scalar field around the background field generated by a
fictitious isolated body located at the center of mass of the system [102],
or on a sort of effective one-body approach [43], have also failed to solve
the two-body problem in a controlled perturbative manner in theories with
kinetic/Vainshtein screening.



7

source vector will be Cϑ. From Eq. (24) it then follows

B% = −
∫
dV′∂z

(
1

|r − r′|

)
Cϑ(%′, z′) , (42)

Bz =

∫
dV′

1

ρ
∂%

(
%

|r − r′|

)
Cϑ(%′, z′) .

It is clear that these two components satisfy the zero-
divergence condition (11)

1

%

∂(%B%)
∂%

= −∂Bz
∂z

. (43)

If the source Cϑ is non-zero, as generically expected, the
solenoidal component is expected to be non-vanishing, unlike
in the example given in Sec. II C.

1. Linear superposition approximation

A very simple approximation is to consider the linear su-
perposition of the full single particle solutions [given by
Eq. (30) for the quadratic kinetic function], i.e.

φ = φa + φb , (44)

where φa,b are the two solutions. We expect this ansatz to
work well when the screening regions of the individual bodies
do not overlap, i.e. in the limit κ � 1. In that situation, non-
linearities are strong only in the vicinity of each body, and are
sourced by the body itself (in isolation). These non-linearities
are therefore already captured by Eq. (30). This approxima-
tion will however receive non-trivial and a priori uncontrolled
corrections when the screening regions of the individual bod-
ies overlap.

Note that even when κ � 1, the solenoidal component
B will be non-zero. In this regime, we can just insert the
ansatz (44) into Eq. (20) and get a (complicated) expression
for B2 = B · B. The latter can be simplified on the plane
% = 0, where both the solenoidal and irrotational components
present maximal amplitudes:

B2(% = 0, z) =
64

3
f(a)2f(b)2

[
s(b)f(a) + s(a)f(b)

]2
,

f(i) ≡ sinh
[1

3
arcsinh

(
rsc,i
z− zi

)2]
, (45)

s(i) ≡ sgn(z− zi) . (46)

In the regime where the superposition approximation is valid
(κ � 1), we find that the irrotational component dominates
upon the solenoidal one, as the dimensionless ratio between
their kinetic energies is

XΨ(0, z)

B2(0, z)
∼ 81q2

16κ4
(1− 2z) , (47)

when κ→ 0. Note that this is a non-trivial result, as it is valid
not only in the perturbative regime (outside the screening re-
gions of the individual bodies), but also in the screening re-
gion of each body. Indeed, near the body positions z = ±1/2,

one recovers (by construction) the isolated object solutions, at
leading order. Similarly, the isolated object solution can be
recovered in the extreme mass ratio limit. Indeed, expanding
for q � 1 we find

B2(0, z) ∼ O(q−2) , XΨ(0, z) ∼ O(q0) , (48)

which shows that the solenoidal component is suppressed, as
expected.

2. Irrotational approximation

Motivated by the previous discussion, one can start from
the Helmholtz decomposition (20), ignore the solenoidal com-
ponent and invert Eq. (22) to find X . We will refer to this
approach as the irrotational (or longitudinal) approximation.
Let us consider first a general kinetic functionK(X), and em-
phasize that the kinetic energy X obtained in this way is an
infinite series in Λ−2 (although this scale is absorbed in the
parameter κ). Indeed, in the case of an isolated object or other
highly symmetric configurations, this result matches the full
result, as shown in Sec. II C. Once found X , one can recon-
struct the field by integrating Eq. (20) (withB = 0), i.e.

φ(%, z) = −1

2

∫ %

∞
d%̃

∂%̃Ψ

K′(X )
. (49)

(Note that the general solution would include an additional
arbitrary function of z, which is however forbidden by requir-
ing that φ vanishes far from the source.) For example, for the
quadratic function of Eq. (29), one finds the following closed
form for X :

X =
1

3

(
Y 1/3 + Y −1/3 − 2

)
, (50)

Y =
3
√

3 (27X 2
Ψ + 4XΨ)1/2 + 27XΨ + 2

2
.

[from Eq. (22); see Fig. 10].
Once determined X and φ in this irrotational approxima-

tion, one can check the validity of the latter by computing
the solenoidal component from Eq. (26). In this way, one
could devise an iterating scheme in order to solve the prob-
lem self-consistently. We will however try to understand if
there are regimes where the solenoidal component is paramet-
rically suppressed and the irrotational approximation is valid
to leading order. We are thus interested in comparing B with
−∇Ψ/2. As the same derivative power will act on the radial
distance in the denominator on the right-hand side of Eq. (23)
as in Eq. (42), it follows that if the source of the solenoidal
component C ≡ |C| = Cθ is parametrically suppressed with
respect to the irrotational one, i.e.

SΨ = −1

2
κ

[
δ(3)

(
r − 1

2
ẑ

)
+

1

q
δ(3)

(
r +

1

2
ẑ

)]
, (51)

this will be also true for the magnitudes of the components
themselves.
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The magnitude of the source of the solenoidal component
in the irrotational approximation is given by

C ≈ NKG∇ , (52)

NK = − 1

8π

KXX
KX

dX
dXΨ

|∇XΨ|
√
XΨ , (53)

G∇ =

√
1− (∇XΨ ·∇Ψ)2

(∇XΨ)2XΨ
, (54)

where the kinetic function and its derivatives are functions of
X = X (XΨ). As can be seen, the source C depends on the
non-linear terms of the function (encoded in NK) and on the
“misalignment” between ∇X ∝ ∇XΨ and ∇φ ∝ ∇Ψ (en-
coded in G∇). In order for the solenoidal component to be
significant, there must be an overlap between the supports of
NK and G∇.

Let us first considerG∇. Since it depends only on the FJBD
fields Ψ and XΨ, this quantity is independent of the screening
radius and only depends on the mass ratio q. From the defini-
tion (54), it is also clear that 0 ≤ G∇ ≤ 1, withG∇ = 1 when
∇XΨ and∇Ψ are orthogonal. In Fig. 2, we plot the support
of G∇, defined as the region where G∇ ≥ 0.1, for various
mass ratios. In the equal mass case, the support is symmet-
ric around the center of mass of the system. As q increases,
the support shrinks and gets shifted towards the smaller ob-
ject (located at zb = 1/2). In the limit q → ∞ we find that
G∇ → 0, i.e. we recover the spherically symmetric solution
and the solenoidal component vanishes, as expected.

The prefactor NK has instead support in the screening re-
gion, where the non-linearities dominate and which is cen-
tered on the objects themselves, encoded in κ ∝ (rsc/D)2

and q. Let us first demonstrate two cases where the overlap
between NK and G∇ is small. Consider first the equal mass
limit q ≈ 1 and κ � 1: the support of NK shrinks (be-
cause the screening radii of the two objects shrink) and the
small overlap with the support of G∇ suppresses the source
of the solenoidal component. When instead q � 1, the sup-
port of NK is mostly around the more massive body a, while
the support of G∇ is closer to the lighter body b (see Fig. 2),
resulting again in a small overlap between NK and G∇ and
thus in a small source magnitude C. Note that both of these
cases (q ≈ 1 and κ � 1; q � 1) are consistent with the
intuition from the linear superposition approximation (for the
quadratic k-essence), but the arguments presented here extend
their validity to a generic kinetic function.

To gain some insight on the remaining case (κ� 1 and q ≈
1), let us specialize to the polynomial form (35) for the kinetic
function. In the deep screening regime κ � 1, the highest
power in the series dominates, and from (22) one therefore
concludes that

X ≈ X 1/(2N−1)
Ψ , (55)

and consequently

NK ≈ −
κ

8π

N − 1

(2N − 1)

|∇X̂ψ|√
X̂Ψ

, (56)

XΨ ≡ κ2X̂Ψ(q) . (57)

-1.0 -0.5 0.0 0.5 1.0

0.0

0.2

0.4

0.6

0.8

1.0

●

●

●

●

FIG. 2. Support of the functionG∇, which encodes the geometry of
the source (54), defined by G∇ > 0.1, for four choices of the mass
ratio q = ma/mb. The cylindrical coordinates (ρ, z) are rescaled
by the inter-particle separation, and the particles are located at zi =
±D/2.

For N = 1, one recovers the FJBD theory result (X = XΨ

and NK = 0). Since G∇ does not depend on κ, one can
therefore conclude that C ≈ NKG∇ ∝ κ.

Let us now compare the source of irrotational and the
solenoidal components. As both SΨ [see Eq. (51)] and C
scale linearly with κ, their ratio will depend only on the mass
ratio q. Since −∇Ψ/2 and B [Eqs. (23), (42)] depend on the
volume integrals of their respective sources and both sources
have a compact support, let us then compute the spatial aver-
ages of C and SΨ. For the irrotational component, Eq. (51)
yields the average 〈SΨ〉 = −κ(1 + q−1)/(2V ), where V is
the volume (larger than the individual supports of C and SΨ)
over which the average is peformed. For C, we calculated the
average numerically for a set of values of q. In Fig. 3, we
show the ratio 〈C〉/〈SΨ〉, multiplied by (2N − 1)/(N − 1) to
eliminate the dependence on N [see Eq. (56)]. For instance,
for q = 1 and N = 2, the ratio is 〈C〉/〈SΨ〉 ≈ 0.38 (Also
note that the ratio is independent of the volume V ). These
results demonstrate that the solenoidal component is always
suppressed with respect to the irrotational one even in the deep
screening regime, although when q ≈ 1 this suppression is
less evident.

In conclusion, the analytic arguments of this section indi-
cate that the solenoidal component will be significantly sup-
pressed relative to the irrotational one when κ � 1 and/or
q � 1 (for a generic kinetic function). The suppression also
holds in the deep screening regime κ � 1 (for a polyno-
mial kinetic function), although it becomes less pronounced
for comparable masses (q ≈ 1).
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FIG. 3. The ratio between the volume-averaged source of the irro-
tational component in the Helmholtz decomposition (20), 〈SΨ〉, and
the (averaged) source of the solenoidal component, 〈C〉, as function
of the mass ratio q in the deep screening regime κ� 1. The ratio is
multiplied by the factor (2N − 1)/(N − 1), which depends on the
choice of the kinetic function (in polynomial form).

B. Numerical solution

1. Formulation

In order to validate the analytic approximations of Sec.
III A and to understand the full behavior of the two-body dy-
namics, we have performed numerical simulations for the case
of a quadratic kinetic function9. The scalar equation of mo-
tion (40), together with appropriate boundary conditions (to
be described below), defines an elliptic boundary value prob-
lem. We have represented Eq. (40) in cylindrical coordinates,
and we have discretized it using a second-order finite differ-
ence scheme, regularizing the Dirac deltas with the Gaussian
source of Eq. (34).

Our integration domain is the rectangle [0, %out] ×
[−zout, zout], where the boundary values %out and zout are
chosen to be larger than or at most comparable to the screen-
ing radii of the constituent object. On the % = 0 plane, regu-
larity requires the boundary condition ∂%φ|%→0 = 0. Defining
our grid as % = ih and z = jhz (with h and hz the grid steps),
regularity is then implemented by introducing the ghost point
i = −1 and taking φ(−1, j) = φ(1, j). In order to regularize
the coordinate singularity of Eq. (40) at % = 0, we apply the
L’Hôpital rule

lim
%→0

1

%

∂φ

∂%
=
∂2φ

∂%2
(58)

to modify the scalar equation at i = 0 [103].
On the other sides of the grid, we have used two imple-

mentations of Dirichlet boundary conditions. First, we have

9 The same problem was also studied numerically in Ref. [43]. However,
that analysis focused only on the binary’s energy. Here we discuss several
other aspects, and in particular the behavior of the scalar gradients. In
addition, we use a different numerical method and provide a more refined
code validation (see App. D).

used the superposition of the FJBD potentials to set the scalar
field on the boundary, as long as the latter is sufficiently far
from the screening radius. Moreover, after establishing that
Eq. (49) provides a good approximation away from the ob-
jects, we have used it to set the boundary scalar field, in order
to reduce the size of the grid for the highly non-linear cases.

After discretization, Eq. (40) yields the non-linear system

Gij [{φ(i′, j′)}i′=i−1,i,i+1,j′=j−1,j,j+1] = 0 , (59)

where Gij is a (non-linear) function of the discretized field
at the neighboring points i′ and j′. We solve this non-linear
system by using a Newton-Raphson method and an LU de-
composition to compute the inverse of the Jacobian. We have
set a tolerance of 10−5 on the scalar field profile. In all runs
grid size was several times smaller than the effective radius of
the Gaussian source. As initial guess for scalar profile in the
Newton-Raphson method, we adopt several choices including
the superposition of FJBD potentials (B4) and the single par-
ticle solutions (Sec. III A). However, as the non-linearities
become more important, corresponding to the growth of κ
in our units, we use Eq. (49) as initial guess. Moreover, to
speed up the calculation we occasionally replace the Newton-
Raphson method iteration with one computed with a Broyden
method [104].

A description of our code’s validation, including a compar-
ison with the semi-analytic solution in the single particle case
and convergence tests, is left for App. D.

2. Results

Consider first an equal-mass system where the screening re-
gions of the constituent objects do not overlap, i.e. κ < 1. In
Fig. 4 (left), we show the numerical solution for the scalar’s
kinetic term on the plane ρ = 0, Xnum, vs the same quan-
tity for FJBD theory XΨ, and two approximations described
in Sec. III A (with a Gaussian source). In more detail, both
the linear superposition of the two one-particle solutions Xsup

and the irrotational approximation Xirr provide an excelent
agreement with the numerical results. Furthermore, the dif-
ference between these approximations and the numerical so-
lutions, and hence the importance of the solenoidal compo-
nent, is of the order of the numerical error in this regime. The
comparison with FJBD theory demonstrates that the screening
is active inside the screening region of the individual objects
(shaded region), and that outside the individual screening re-
gions the scalar gradient is not suppressed. Note also that the
kinetic term is significantly suppresed (although not zero in
contrast to the isolated object, Sec. II C), and thus the theory
is in the linear regime, near the center of the source.

More interesting is a scenario where κ > 1. In Fig. 4 (right)
we show the same quantities as for the previous case. In or-
der to appriciate the full spatial behaviour of the scalar ki-
netic energy we also present in Fig. 5 a contour plot of Xnum

for one such case (bottom), together with the same plot for
the corresponding one-particle case (top). Consider the re-
gion around z = ρ = 0, which is inside the single-particle
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screening region. In the binary problem, this region corre-
sponds to the saddle point of the scalar profile, where the fifth
forces cancel each other and thus the scalar gradient is sup-
pressed (see the next Sec. III C for further discussion). This
can be clearly seen in the bottom panel, where the contour
lines get deformed to allow for near zero gradients in the sad-
dle region. On the “outer” side of the binary, the profile is
much closer to the expectation from the single-particle case,
although both the scalar gradients and the screening radius be-
come larger. This is expected, as sufficiently away from the
constituent objects, the system behaves as a composite single
objectma+mb. Both the irrotational and linear superposition
approximations considered earlier capture the essential char-
acteristics of how the screening operates in a binary system
as is clear from Fig. 4 (right). The superposition ansatz Xsup

tends to overcorrect the difference between the one-particle
case and the two-body by drastically reducing the peaks in-
side the binary and enhancing those outside it. On the other
hand, the irrotational approximation Xirr makes these adjust-
ments closer to the true (numerical) solution.

Consider now a case with κ > 1 , q � 1, shown in Fig. 6.
As discussed in Sec. III A, both approximations are much
closer to the numerical result than in the case of equal-mass
systems. In particular, the discrepancy between the analytic
approximations and the numerical result is most pronounced
in the vicinity of the smaller object. Again, the irrotational ap-
proximation is outperforming the simple linear superposition
of the one-body solutions.

In order to compactly describe the two approximations
across the mass ratio parameter space, we define the following
L2 norm

||∆y||2 ≡

√∫
dV(ynum − yan)2 (60)

where y = {φ,X}, with subscripts {num, an}, denote the
numerical result and the analytic approximation, respectively,
and the integral is taken over whole grid. The estimate is sen-
sitive to the non-linear regime, because in the linear regime
both approximations give a very good description of the nu-
merical results. Results are shown in Fig. 7 for a scenario
representative of the deep screening regime κ � 1. We find
that the irrotational approximation is outperforming the super-
position approximation for all mass ratios, although the rela-
tive error of both approximations increases as q → 1. This is
completely in line with the conclusions from Sec. III A. We
also find that the relative error of the kinetic energy saturates
at ∼ 10% for q = 1. Thus, even in the case of equal masses,
the irrotational approximation provides a decent quantitative
description of the scalar profile. It is also apparent that, for
a given approximation, the error is smaller for the field than
for X . A similar phenomenon is observed in the two-body
problem for cubic Galileons (where the Vainshtein screening
operates [38, 92, 98, 102, 105]), when comparing the super-
position approximation and numerical results [84].

C. Descreened bubbles

In systems where only attractive forces act, there may be
special points where all the forces cancel. For spherical ob-
jects in isolation, one such point is the center, while in N -
body systems these are the saddle points, where the gradi-
ent of the potential vanishes. In theories where the screen-
ing is activated by the magnitude of the scalar gradient, these
saddle points (and their neighborhoods) are therefore in the
perturbative regime, which leads to a possible breakdown of
the screening (Fig. 5). This, in turn, suggests that saddle
points and their vicinities may be useful testing grounds for
theories with screening mechanisms. This was recognized for
MOND [96], and it was even suggested that LISA Pathfinder
could be used to probe the MOND interpolating function if
directed towards the saddle point of the solar system [106].

Following Ref. [96], let us then consider a region where
the theory dynamics is in the linear regime near the saddle
point. Therefore, we can use the superposition of the FJBD
scalar gradients (along the axis that connects the two bodies)
to compute fifth force (per unit mass) as (restoring physical
units)

(∇ψ)z =
α

4πMPl

m

(z +D/2)2
− α

4πMPl

mq−1

(z −D/2)2
,(61)

The (saddle) point where the total scalar gradient is zero is
given by

zSP =
D

2

√
q − 1
√
q + 1

. (62)

Taylor-expanding the scalar gradient around this saddle point,
we find the force in its vicinity10 to be

∇ψSP ≈ A
(

(z − zSP)ẑ − 1

2
ρρ̂

)
, (63)

A ≡ − α

2πMPl

mq−3/2

D3
(1 +

√
q)4 . (64)

The condition |∇ψSP| =
√
Xψ|SP

<∼Λ2 then defines the re-
gion where the screening may break down. From this condi-
tion, one obtains that the size δ of this region is given by

δ

D
' 1

κ

q3/2

(1 +
√
q)4

, (65)

i.e. this region shrinks in both the deep screening regime (κ�
1) and in the extreme mass ratio limit (q →∞).

Although both the GR Newtonian force and the scalar fifth
force go to zero precisely at the saddle point, in their vicin-
ity they are both non-vanishing, with their precise ratio de-
pending on the value of α. Note that constraints on the time-
variation of the effective gravitational constant (in the Jordan

10 One can further verify that the Hessian matrix is indefinite and thus
(0, zSP) is indeed a saddle point.
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FIG. 4. Scalar kinetic energy on the plane ρ = 0 for quadratic k-essence, calculated from our numerical results (Xnum, red solid line), with the
linear superposition approximation (Xsup, black dashed line), and with the irrotational approximation (Xirr, purple long-dashed line). Also
shown for comparison is the FJBD result (Xψ , orange dot-dashed line). Two equal-mass (q = 1) binary systems are considered: rsc = 4.5R,
D = 17.5R (left) and rsc = 9.5R, D = 5R (right), with the origin placed at the geometric center. The cyan shaded areas represent the
individual screening regions of each body in isolation (ignoring the descreening in the vicinity of the object’s center), and the darker shade in
the right panel denotes the overlap of these individual screening regions.
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FIG. 5. Contour plot of the scalar kinetic energy X in the (ρ, z)
place. The bottom panel is for an equal-mass binary with rsc = 9.5R
and D = 5R. The top panel is for just one of the two bodies. The
pink semicircles denote the effective radii of the Gaussian source
model for the point particles. The orange dot-dashed line connects
the geometric center of the left object in the two subplots, while the
red dashed line connects the origins (which are placed at the center
of mass of the binary).

frame) from Big Bang nucleosynthesis and Lunar Laser Rang-
ing experiments require α <∼ 0.1 [107]. Considering three rep-
resentative binary systems, i.e. Earth and Moon, Sun and
Earth, and Sun and Jupiter, taking Λ ≈ 2 × 10−3eV and
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FIG. 6. The same as in Fig. 4 (right), but for q = 25. The two bodies
are placed at z = ±2.5R.

α = 0.1, we obtain δ ≈ 0.2km, δ ≈ 1km and δ ≈ 2800km,
respectively. As δ ∝ α−2, by reducing α the size of the “de-
screening” region grows, but the correction to the GR Newto-
nian force from the fifth force decreases by the same amount.

Precise modeling of the dynamics near the saddle point of
the solar system is challenging, as it would require accurate
ephemeris data [89, 108] and even account for the effect of
the spacecraft carrying the accelerometer itself. While this is
outside the scope of this work, let us comment on a few par-
allels with MOND, where these problems have been analyzed
to some extent [96, 106]. First, note that if we had used α = 1
in our estimates for δ for the Earth and Moon, Sun and Earth,
and Sun and Jupiter systems, they would have differed only
by a factor∼ a few from the estimate for MOND in Ref. [96].
The reason is that the scale of the MOND critical acceleration
is ao ≈ H0/6, thus leading to the same parametric scaling as
the cosmologically motivated k-essence. In more detail, the
MONDian behavior is triggered by the condition a0 ' aN
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FIG. 7. Relative difference of the linear superposition and irrota-
tional approximations from the numerical results, in terms of the L2

norm defined in the text and as a function of the mass ratio q. The dif-
ferences are shown for the scalar field φ and ist kinetic energy X , in
the deep screening regime. The system considered is an rsc = 9.5R
and D = 5R.

[where aN ' m/(D2M2
Pl)], which is equivalent to the k-

essence ∂rψ ' Λ2 deep screening condition.
Note that although MOND is not a well-defined the-

ory by itself, several attempts have been directed at con-
structing a field theory that can develop a MONDian phe-
nomenology [16], including hybrid models such as superfluid
DM [25]. Implementations that are of K(X) type combine
both screening around matter sources and anti-screening (i.e.
enhancement of the scalar gradient, see Sec. IV C) in the
low-acceleration regime. Thus, MOND saddle point regions
can be larger than the simple estimate given above, and the
fifth force may even dominate the Newtonian force inside
them [96]. This makes saddle points a potentially better probe
of MOND than k-essence (although not all MOND interpolat-
ing functions can be further constrained in this way [109]).

D. Two-body energy and the fifth force

In a time-independent system such as the one that we con-
sider, the Hamiltonian (density) is given by H = −L, where
the Lagrangian (density)L is obtained from Eq. (1) [specializ-
ing to Minkowski space]. From this, one can find the potential
energy E =

∫
dVH as a function of the system’s parameters

and the inter-particle separation (see Sec. III A). From the en-
ergy, the magnitude of the fifth force between the two particles
can then be found as

F =
∂E

∂D
. (66)

Let us consider the polynomial kinetic function of Eq. (35),
which yields

E = −
∫
dV
[
− Λ4

N∑
n=1

1

2n

(
X

Λ4

)n
+

α

MPl
ϕT
]
. (67)

Using the equation of motion (40), we can rewrite this integral
as

E ≡ E

D3Λ4
= −

∫
dV

N∑
n=1

(2n− 1

2n

)
Xn , (68)

where we have also used the rescaling of Eq. (38). Noting that
in the deep screening regime the highest power of X dom-
inates the integral and using the irrotational approximation,
one can apply Eq. (55) and obtain that the energy Esc of the
screened regions (sc) is given by

Esc ≈ −κ
2N

2N−1

(2N − 1

2N

)∫
sc

dVX̂N/(2N−1)
Ψ . (69)

The total energy is then obtained by adding the subdomi-
nant term ≈ −

∫
un−sc

dVXΨ/2 that corresponds to the ‘un-
screened’ region un− sc. [Note indeed that the integral in
Eq. (69) diverges in the unscreened region]. One can observe
that for N = 1, we recover the FJBD scaling E ∝ D−1,
while for N = 2 we obtain E ∝ D1/3, as expected on dimen-
sional grounds and from the single particle limit. Note also
that in contrast to the Newtonian/FJBD case, the scalar self-
energy does not diverge in the point-particle limit thanks to the
screening. From the scaling of the source of the solenoidal
component [Eq. (56)], we find that B ∝ κ when κ � 1.
Thus, including the solenoidal component in Eq. (68) does
not change the overall scaling of the energy with κ in the deep
screening regime, as given by Eq. (69).

The amplitude of the fifth force [from Eqs. (66) and (69)]
is then given by

Fsc ≡
Fsc

D2Λ4
≈ −κ

2N
2N−1 IN (q) ,

IN (q) ≡ 1

2

∫
sc

dVX̂ (1−N)/(2N−1)
Ψ ∂DX̂Ψ

∣∣
D=1

. (70)

This indicates a clear suppression when N > 1 in comparison
to the FJBD limit N = 1. For instance, for N = 1 one has
Fsc ∝ D−2 (Newton’s law), while for N = 2 one ontains
Fsc ∝ D−2/3. Unlike the energy, the fifth force diverges in
the limit D → 0. However, this is simply an artifact of the
point-particle model, i.e. it disappears for extended sources
(see e.g. Ref. [42] and the discussion in our Sec. II C, App.
B). The details of the calculation of IN (q) are presented in
App. B 1.

In order to verify the internal consistency of our irrota-
tional approximation (in both the deep screening and FJBD
regimes), we have calculated the fifth force [from Eqs. (66)
and (68)] semi-analytically in quadratic k-essence (see App.
B 1 for details). In Fig. 8, we show how the magnitude of the
fifth force depends on the mass ratio and on the inter-particle
separation in units of the object’s radius (although we stress
that our results do not depend on the details of the object’s
internal structure, as long as one focuses on the object’s ex-
terior). For q = 1, we also show, for comparison, the FJBD
limit Fψ and the deep screening limit given by Eq. (70) (which
suppresses the fifth force relative to FJBD theory). As can be
seen, the change between the two regimes is abrupt, for all
mass ratios, and the two approximations provide a very good
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description of the scaling of the fifth force with distance in a
piecewise fashion.

Having established that the deep screening limit of Eq. (70)
is valid in the context of the irrotational approximation, we
can compare that limit with the full numerical result of
Ref. [43] for quadratic k-essence. Let us define the force in
the test-mass limit by performing the standard Newtonian re-
formulation of a two body problem into the motion of a ficti-
tious particle with the reduced mass µ = mamb/(ma + mb)
around a particle with the total mass ma + mb (see e.g.
Ref. [110]). The amplitude of the force is then given by
Ftm = (α/MPl)µ∂rϕ|r=a. Thus, from Eq. (36) [and using
the rescaling of Eq. (38)] we obtain

Ftm

4π
=

[
κ4

q(q + 1)2

]1/3

. (71)

From the irrotational approximation, it follows that the force
in the deep screening regime [Eq. (70)] has the same scaling
with κ as the test-mass limit (and the solenoidal component
does not change this scaling, as argued above). Therefore, the
ratio of Fsc and Ftm depends only on the mass ratio q. The
same conclusion was reached in Ref. [43] using an effective-
one-body approach. Following Ref. [43], let us define

Fsc = b0(x)Ftm , x =
1

1 + q
, (72)

where we expect that limx→0 b0 → 1. We have found b0(x)
[from I2(q)] semi-analytically, and we have compared it with
the fit of the full numerical result from Ref. [43] (Eq. 46)
in Fig. 9. As can be seen, this comparison confirms the ob-
servation from Ref. [43] that the screening is more efficient
in equal-mass systems than in the extreme-mass ratio limit.
(This implies a breakdown of the weak equivalence principle,
as further elaborated in Ref. [43]). Note that the relative en-
hancement of the screening relative to the extreme mass-ratio
limit is at most ∼ 25%. Also note that our findinds confirm
that the irrotational approximation is in good agreement with
the full numerical results, differing only by a few percent from
the latter.

Finally, let us emphasize that the breakdown of screening in
the descreened bubbles (see Sec. III C) is a local phenomenon,
which can be probed with a third test body. Descreened bub-
bles can in principle affect the two-body energy and the fifth
force, since the latter are expressed as integrals over all space.
For a given κ, Eq. (65) predicts that the largest descreened
bubbles appear for q ≈ 9. However, as clear from Fig. 9, in
the deep screening regime this does not significantly impair
the efficiency of the screening mechanism.

IV. OTHER THEORIES

Thus far, we have focused on the polynomial form of the
k-essence kinetic functon, given by Eq. (35). Let us now
broaden the scope of the possible kinetic functions, and inves-
tigate again the non-relativistic limit for single bodies and for
binary systems. We will employ the same notation as in the
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FIG. 8. Fifth force F for four values of the mass ratio q, calculated
using the irrotational approximation and various values of D/R, for
fixed rsc/R = 100 (denoted by the gray dashed line). For q = 1, we
also show the FJBD limit [Eq. (B3), cyan dot-dashed line] as well as
the deep screening approximation [Eq. (70), solid red line].
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FIG. 9. Ratio of the fifth force amplitudes between the two point
particles and in the test-mass limit, in quadratic k-essence, calcu-
lated from the numerical simulation of Ref. [43] (black) and using
the irrotational approximation in the deep screening regime (pink,
dashed).

previous sections. Note that while in polynomial k-essence
a generic astrophysical system is in the regime of validity of
the EFT when the screening operates, this may not be the case
for some theories considered in this section, and in particular
opposite DBI and anti-screening theories (see App. A).

A. Beyond (simple) polynomial k-essence

One may wonder how values of the polynomial coeffi-
cients different from those in Eq. (35) impact our previous
discussion and results. Since the highest power of X dom-
inates upon the others in the deep screening regime, our re-
sults should be qualitatively unchanged (as long as the co-
efficient of the highest power of X has the sign leading to
screening in the first place). We have performed simple nu-
merical experiments to check this, e.g. we have considered a
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sextic polynomial K6 = −X/2 + c2X 2 + c4X 4 − X 6/12,
with randomly generated values of the coefficients {c2, c4} in
the interval −5 ≤ ci ≤ 5 but requiring that the condition of
Eq. (17) is satisfied. We have calculated the suppression fac-
tor X/Xψ for the isolated Gaussian source as in Sec. II C for
several such realizations. Comparing with our default model
K6 = −X/2−X 6/12, we have found that outside the object
but within the screening region, the suppression factor varies
by at most a few percent. The differences between the vari-
ous realizations peak around the screening radius, where they
reach ∼ 10%, as this is the transition region where the effect
of the subleading terms X 2,X 4 is maximized. The relative
difference is further suppressed outside the screening region,
when the FJBD limit is asymptotically approached. We expect
this conclusion to hold also for the two-body problem.

If one relaxes the assumption of a polynomial kinetic func-
tion, one can also engineer particular functions passing dif-
ferent cosmological and solar system constraints while still
providing a viable scalar-tensor theory of gravity [51, 107].
One such model was considered in Ref. [107] and is given by

Ktan−1 = −1− X
2
−K?

[
X − X? arctan

(
X
X?

)]
,(73)

where {X?,K?} are free parameters of the model. Note that
K′(X ) → K? as X → ∞ (see Ref. [45] for the quantum
aspects of this model). In the irrotational approximation, one
cannot invert Eq. (17) exactly, although in the deep screening
regime the relation is approximately linear, X ≈ XΨ/(1 +
K?)2, and the suppression of the fifth force is realized through
a large value for K?. We show a numerical solution X (XΨ)
for X? = −2, K? = 103 (model I from Ref. [107]) in Fig. 10.

In the context of the two-body problem, let us assess the im-
portance of the solenoidal component using the arguments of
Sec. III A. The quantity that characterizes the non-linearities,
i.e. NK [Eq. (53)], is given in the deep screening regime by

NK ≈ κ−3K?(1 +K?)3X 2
?

|∇X̂Ψ|
X̂ 5/2

Ψ

. (74)

As the screening arises in this model from a large factor K?,
the relative strength of the solenoidal and irrotational com-
ponents is controlled by (K?/κ)4 [we remind the reader that
SΨ ∝ κ, see Eq. (51)]. This scaling makes the solenoidal
component much more suppressed than in the case of a poly-
nomial kinetic function, for the parameter values considered
in Ref. [107].

B. “Opposite” DBI

Let us consider a class of models where the scalar gradient
X saturates in the strongly interacting regime. A particularly
interesting model is the (opposite) DBI one [44, 62, 85]

KDBI =
√

1−X/2 . (75)

Standard DBI theory (obtained by flipping the overall sign of
the Lagrangian and the sign in front of X ) can be embedded

in string theory, but does not allow for screening [41, 51].
However, the “opposite DBI” kinetic function in Eq. (75) may
appear naturally in higher dimensions and possesses a higher
symmetry group than the standard shift-symmetricK(X) the-
ory analyzed thus far [44, 85].

Like in the case of quadratic k-essence, the solution for a
single point-particle source can be expressed in terms of the
hypergeometric function:

φ = 1.85rsc − r 2F 1

[1

4
,

1

2
;

5

4
;−
( r

rsc

)4]
. (76)

This exact solution features a screening radius rsc =
√
κ. Like

in Sec. II C, we show the scalar gradient for an isolated Gaus-
sian source and for a point particle in Fig. 11. In contrast with
the polynomial k-essence, now even in the point-particle case
the scalar gradient does not diverge at the particle’s location,
and the point-particle and Gaussian models are much closer
even inside the source, down to very small radii. We also find
that the screening in opposite DBI is more efficient than in
quadratic k-essence (see Figs. 1 and 11, and also Fig. 10).

Away from spherical symmetry (or other highly symmet-
ric configurations), the solenoidal component is in general not
zero in opposite DBI, unlike what was implicitly assumed in
Ref. [85]. However, we can consider the irrotational approxi-
mation described in Sec. III A (see Fig. 10) and obtain

X =
XΨ

1 + XΨ
. (77)

We can then calculate the source of the solenoidal field that
encodes non-linearities in the two-body problem [see Eq.
(53)], obtaining

NK ≈
1

4

√
X (1−X ) . (78)

One can see that as X flattens in the deep screening regime,
NK → 0. Thus, the solenoidal component in opposite DBI is
even more suppressed than for a polynomial kinetic function.

C. Anti-screening

As noted in Sec. I, a drawback of generic k-essence models
is the absence of a standard UV completion [58, 61]. Thus, in
Ref. [69] a class of shift-symmetric theories that do not violate
positivity bounds11 and which are thus expected to admit such
a completion were considered. Those are described by

Ka−sc = −1

p
[(1 + X/2)

p − 1] , (79)

where 1/2 ≤ p < 1 (p = 1/2 corresponding to the stan-
dard DBI theory, see Ref. [51], while p = 1 yields FJBD

11 These models were unfortunately advertized in Ref. [69] as causal modifi-
cations of gravity, as opposed to superluminal models that allow for screen-
ing. However, as elaborated in Sec. I, causality is not an issue in superlu-
minal k-essence theories [48–52, 55].
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FIG. 10. Relation between the kinetic energyX and the FJBD kinetic
energy Xψ in the irrotational approximation, for several choices of
the kinetic function. The latter include quadratic k-essence K2 [Eq.
(29)]; the arctan model Ktan−1 [Eq. (73); X? = −2, K? = 103];
opposite DBI theory KDBI [Eq. (75)]; and the anti-screening model
Ka−sc [Eq. (79); p = 5/6]. The thin solid line corresponds to
X = Xψ .
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FIG. 11. The same as in Fig. 1, but for (opposite) DBI theory.

theory). These theories, however, lead to anti-screening i.e.
an enhancement of the fifth force near matter sources (see
Fig. 10). These theories, like FJBD theory, are then only
relevant if the coupling of the scalar to matter satisfies the
Cassini bound. The anti-screening phenomenon could then
provide additional constraints in the solar system and in the
strong gravity regime [69].

The Helmholtz decomposition and the arguments of Sec.
II B, III A can also be applied to theories with anti-screening.
In particular, in spherical symmetry the solenoidal component
is zero, and X (XΨ) can be found from Eq. (22) (see Fig. 10).
Away from spherical symmetry, from Eq. (53) one finds (e.g.
for the special case p = 5/6)

NK ≈
κ

8

|∇X̂ψ|√
X̂Ψ

, (80)

i.e. the same as in Eq. (56) for N = 5/6. Therefore, the
details of the anti-screening model are captured in a dimen-

sionless prefactor, and the dependence on κ and q is the same
as in polynomial k-essence (see Fig. 3).

V. CONCLUSIONS

We have shown that shift-symmetric scalar-tensor theories,
involving only first derivatives in scalars, can be reformulated
by covariantly splitting the scalar gradient into a longitudinal
∂µψ and a transverse component Bµ (Hodge-Helmholtz de-
composition; Sec. II A). The longitudinal component reduces
to a (free) Klein-Gordon field, while the transverse compo-
nent obeys a hyperbolic equation with a non-linear source. We
have shown that for spherical and static sources, the transverse
component identically vanishes (Sec. II B, II C). In this situa-
tion, the problem reduces to solving a linear elliptic equation
and then an algebraic one.

In general, and also in the case of two-body non-relativistic
systems that we consider in this paper, the solenoidal compo-
nent does not vanish (unlike what was implicitly assumed e.g.
in Refs. [85, 90]). Outside the screening region of a two-body
system (which is controlled by the ratio between the screening
radius of the more massive objects rsc and the inter-particle
separation D, as well as by the mass ratio q), the solenoidal
component is perturbativly suppressed and the superposition
approximation provides a good description of the full results
(see Sec. III A and III B). Inside the screening region, we have
developed an approximate ‘irrotational’ scheme that starts by
ignoring the solenoidal component and finds the scalar gradi-
ents X by solving an algebraic problem. This approach was
validated by checking self-consistency (Sec. III A), by solv-
ing the full system numerically (Sec. III B) and by comparing
with the previous results of Ref. [43] (Sec. III D). We have
shown in Sec. III A that irrespective of the form of the kinetic
function, the irrotational field dominates upon the solenoidal
one when D � rsc and/or q � 1. In these regimes, ignor-
ing the solenoidal component will introduce only small errors
in the description of the scalar gradients. Furthermore, we
have shown that even when rsc � D and q ≈ 1, the irrota-
tional approximation will introduce only percent-level errors
in the binary fifth force, in comparison with the full numeri-
cal results for quadratic k-essence (Sec. III D). Kinetic func-
tions whose growth is suppressed in the deep screening regime
will have even more suppressed solenoidal components (Sec.
IV A, IV B). The irrotational approximation can also be ap-
plied for theories that exhibit anti-screening (Sec. IV C).

At the physical level, our results, both analytic and numer-
ical, show that the absence of spherical symmetry in a bi-
nary system does not make screening necessarily inefficient.
On the one hand, the non-linear nature of k-essence gener-
ally renders screening slightly more efficient, relative to the
test-body limit, in equal-mass systems (Sec. III D). This has
already been established numerically, and its consequences
on violations of the weak equivalence principle elaborated, in
Ref. [43]. However, we show that binaries also produce “de-
screened” regions near the system’s saddle point (Sec. III C).
These regions may in principle be probed in the solar system
with sufficiently precise accelerometers. A natural continua-
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tion of this work would be to assess the validity of the irro-
tational approximation in N -body systems. In relation to k-
essence probes in the solar system (e.g. with these descreened
regions), such an irrotational approach could alleviate the nu-
merical difficulty and cost of full multi-body simulations (for
a related numerical study of the Sun-Earth-Moon system in
the cubic Galileon theory, see Ref. [84]).

As the Hodge-Helmholtz decomposition can be imple-
mented in a covariant way, it is an interesting question to con-
sider whether it can be helpful in dynamical problems. For
instance, stellar collapse in k-essence leads to a breakdown
of screening [72]. Indeed, due to black-hole no-hair theo-
rems [111–115], the star’s scalar “charge” must be radiated
away [72], producing a potentially observable gravitational-
wave signal. Another interesting problem is a binary neu-
tron star’s inspiral. In scalar-tensor theories, the orbital en-
ergy of a binary decreases because of the emission of both
scalar and tensor gravitons. In FJBD, and related perturba-
tive theories where the screening does not operate, the binary
inspiral can be systematically studied within the PN formal-
ism [110, 116–118]. However, in theories with screening,
such an approach is not straightforward. Thus far, in theo-
ries with strong non-linearities the inspiral has been studied by
perturbing the scalar field around the background field gener-
ated by a fictitious isolated body located at the center of mass
of the system [69, 75, 119]. On the other hand, numerical
simulations have been performed in cubic k-essence (includ-
ing GR), scanning the rsc/D ≈ 1 − 6 range [73]. Both of
these problems may benefit from (a more systematic) analytic
approach based on the Hodge-Helmholtz decomposition.
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Appendix A: Regime of validity of the Effective Field Theory

Naively, it might seem that the screening regime lies out-
side the regime of validity of the EFT, as X >∼Λ4 (see Figs. 1
and 4). The right question, however, is whether quantum ef-
fects can induce significant corrections to the classical de-
scription of screening. This can be assessed with the back-
ground field method [4], by comparing the classical action,
evaluated on the screening-inducing field, and the one-loop
effective action on top of the same background field [44]. In
spherical symmetry, non-linearities become more important
as the radial coordinate decreases (see Sec. II C). Thus, the
EFT description is valid as long as r � rUV, where rUV is
the scale where quantum corrections become significant and
consequently the UV physics must play a role. These scales

are given by

rpoly
UV ∼

1

Λ
(Λrsc)

−N/(N−1)
, (A1)

rDBI
UV ∼

1

Λ
(Λrsc)

2/3
, (A2)

for the point-particle screening in polynomial k-essence
[Eq. (35)] and DBI [Eq. (75)], in respective order [44]. Note
however that the scalar gradients do not grow arbitrarily, be-
cause at some point the radius of the source (e.g. a star) is
reached. As we have seen in Sec. II C, the maximal value ofX
is reached at the surface of the object, andX then decreases as
one progresses towards the center, ultimately entering the lin-
ear regime. Thus, a sufficient criterion to assess whether one
is in the EFT regime consists of checking whether rUV ≈ R,
where R is the effective radius of the source. Let us focus for
concreteness on quadratic k-essence. From Eqs. (30) and (A1)
one has

r
(N=2)
UV ≈ 10−43km

( α

0.1

)−1
(

Λ

meV

)−1(
m

M�

)−1

.(A3)

For cosmologically motivated values of Λ and any astro-
physical object, one is clearly in the regime of validity of
the EFT. As an extreme example, let us consider the LISA
Pathfinder test mass (see Sec. III C), which is 2kg and has a
size of 4.6cm [120]. From Eq. (30), the screening radius is
rsc ≈ 10−4km, while rUV ≈ 10−13km. The rUV scale is
pushed to even smaller values as N � 1 (and even further
for Galileons [44]). The presence of a second body will not
change this conclusion, see Sec. III.

Interestingly, the rUV scale for screening in opposite DBI
is significantly larger:

r
(DBI)
UV ≈ 105km

( α

0.1

)2/3
(

Λ

meV

)−1(
m

M�

)2/3

.(A4)

Thus, as already noticed in Ref. [85], the opposite DBI EFT
is not appropriate for describing screening around the Sun
(R� = 7× 105km), at least for Λ ≈ ΛDE. The case becomes
even worse for neutron stars, as RNS ∼ 10km� rDBI

UV . Note
that a similar problem occurs for anti-screening, where (A1)
applies with 1/2 < N < 1 in the deep anti-screening regime
[see Eq. (79)]. Taking N ≈ p = 5/6, which was the case
considered in many examples in Ref. [69], implies

r
p=5/6
UV ≈ 1073km

( α

10−3

)5/2
(

Λ

102eV

)−1(
m

M�

)5/2

,(A5)

where we have taken α to be consistent with the Cassini
bounds and Λ ∼ 102eV (which corresponds to the lower
bound derived from several astrophysical observations in
Ref. [69]). It appears that in none of the examples given in
Ref. [69] the non-linear regime is within the regime of va-
lidity of the EFT. Indeed, it is hard to imagine one such ex-
ample/scenario for p = 5/6, even if one considers much
higher strong coupling scales and less massive celestial ob-
jects (which would however also reduce the anti-screening ra-
dius). The situation is somewhat better for smaller p >∼ 1/2,
where for large Λ one can find astrophysical systems in the
regime of validity of the EFT.
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Appendix B: Regularized Newtonian/FJBD potential

The leading order energy for a system of two point particles
can be found from Eq. (67), when N = 1, by integrating by
parts to substitute X with the source T :

Eψ =
α

2MPl
[maψ(za) +mbψ(zb)] . (B1)

Substituting ψ [taking Λ → ∞ in Eq. (33)], this expression
diverges due to the self-energies of the two particles. Even
classically, however, these self-energy contributions are actu-
ally finite due to the finite size of the two bodies (for which
point particles are just a model valid in the IR). If the bodies
have a finite size, the total binary energy is therefore regular
and reads

Eψ,ε = − 1

4π

(
α

MPl

)2 [
m2
a

ε
+
m2
b

ε
+
mamb

D

]
, (B2)

where ε is a regularization parameter of the order of the size of
the two bodies. Note that the self energy contributions ∝ 1/ε
are constant and thus not observable, as the fifth force is given
by the energy’s gradient. For instance, in the FJBD case the
force reads

dEψ,ε
da

=
1

4π

(
α

MPl

)2
mamb

D2
(B3)

which is finite and manifestly independent of the regulator ε.
For numerical purposes, however, we need to specify con-

crete a “UV completion” of the point particle model. The
Gaussian source that we use in this work admits an analyti-
cal solution for the Poisson equation, i.e.

ψσi
= − mα

4πMPl
Erf
( |r − ri|√

2σi

)
. (B4)

One of course needs to establish that the results do not depend
on the choice of σ, as the Gaussian distribution above is not
a physically motivated “UV model”12. Indeed, we find that
the relative difference between the FJBD force for Dirac-delta
and Gaussian sources is less than 1% when a/σ >∼ 2.

1. Calculation of the fifth force in the irrotational
approximation

As the integrals in Sec. III D have poles for the point-
particle source, we have used the aforementioned Gaussian
regularization to calculate them. Consider first the inte-
gral IN (q) of the fifth force in the deep screening regime
[Eq. (70)], which depends only on q. As the integrand scales
as∼ r(1+2n)/(1−2n) near infinity, we can formally identify the

12 For example, in order to model a star, one would need to solve the Einstein-
Klein-Gordon system for a realistic matter equation of state, as done e.g.
in Refs. [42, 48, 69, 72].

screening region with the whole space. Using the Gaussian
regularization, we have IN (q) → ĨN (q,R), and we have cal-
culated ĨN (q,R) for a few values of R. These results are well
described by a functional form ĨN (q,R) = IN (q)Rp when
R � 1. Using this fact, we can extract IN (q), verifying that
p ≈ 0 i.e. that our results are independent of the details of the
regularization.

Regarding the calculation of the full energy/force in the ir-
rotational approximation, the volume integral of Eq. (68) can
be split as

E ≈ −
∫
dΩ
[ ∫ R

0

dr
N∑
n=1

(2n− 1

2n

)
Xn +

1

2

∫ ∞
R

drXΨ

]
r2 ,

where we have assumed that X = X (XΨ) [given by Eq.
(50) for the quadratic kinetic function], R � c2

√
κD and

dΩ = sin θdθdϑ. The second integral can be found in closed
form using Mathematica [121]. Differentiating the integrand
with respect to D before fixing the scale D = 1, we obtain the
magnitude of the fifth force. As we perform all calculations
with the Gaussian regularization, differentiation with respect
to D and the integral commute. In order for these results to
be independent of the details of the regularization, one must
consider the limit R � 1. In practice, we find that already
at D ' 4R the relative difference between the deep screen-
ing approximation and the full calculation is smaller than 1%.
This difference then gradually increases with D/R, because
of the worsening of the deep screening approximation, up to
∼ 50% when D ≈ rsc.

Appendix C: Classical dual vs. Helmholtz decomposition

In Ref. [90] it was shown that the theory described by
Eq. (1), with β = −1 and γ = 0 and in the decoupling limit of
the scalar and tensor degrees of freedom, can be reformulated,
at the classical level, as

Ldual = −1

2
(∂ϕ)2 +

3

4
Λ4/3(ΓµΓµ)2/3 − Γµ∂µϕ , (C1)

where one has introduced the new vector field Γµ. The equa-
tions of motion that follow from this action are

2ϕ+ ∂µΓµ = − α

MPl
T , (C2)

Λ4/3(ΓµΓµ)−1/3Γµ = ∂µϕ . (C3)

Using the latter, the auxiliary vector Γµ can be integrated out
and the original action is recovered. The appeal of this formu-
lation is that none of the coupling constants in the dual action
given by Eq. (C1) have a negative mass dimension (except
for the scalar-matter coupling). This in turn allows for a con-
trolled perturbative expansion in the non-linear regime of the
original theory. This formulation was shown to originate from
a Legendre transformation and is generalizable to a large class
of self-interacting theories [91].

Let us now Hodge-Helmholtz decompose the vector and re-
define the scalar as

Γµ = (−2)Bµ + ∂µΓ̃ , ∂µB
µ = 0 , ϕ = ψ − Γ̃ ,(C4)
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where Bµ, ψ are for now generic objects. Substituting this
decomposition into Eq. (C2) we obtain Eq. (12), i.e.

2ψ = − 1

2MPl
T . (C5)

Squaring Eq. (C3) and substituting the above decomposition,
we reconstruct Eq. (10) for the quadratic k-essence, i.e.

−1

2

(
1 +

X

Λ4

)
∂µϕ = −1

2
∂µψ +Bµ . (C6)

Thus, the dual formulation of quadratic k-essence is equiva-
lent to the Hodge-Helmholtz decomposition.

In Ref. [90] a different decomposition was used instead of
Eq. (C4):

Γi = (−2)Bi + ∂iΓ̃ , Γ0 = ω , ∂iB
i = 0 , (C7)

ϕ = ψ − Γ̃ .

It is easy to show that in the static regime, this decomposition
is also equivalent to the R3 Helmholtz one in Eq. (20). It was
then argued in Ref. [90] that one can consistently choose an
ansatz whereBi = 0. This however is not the case, as we have
elaborated in the main body of this work. The reason why this
inconsistency has not been noticed in Ref. [90] is that the dual
formulation was applied to isolated systems in spherical and
cylindrical symmetry, where the solenoidal component van-
ishes as argued in Sec. II B, II C.

Finally, let us note an advantage of the Helmholtz-
decomposition program over the perturbative expansion in
Γ̃ that was performed in Ref. [90], for scenarios where the
solenoidal component is zero. Instead of expanding, one can
solve for the square of the scalar gradient to all orders in the
perturbative expansion (see Sec. III A). If one is interested in
the fifth force or the force acting on test bodies, the scalar gra-
dient is the relevant object and the full scalar profile is not nec-
essary (Sec. III D). However, the dual formulation at the level
of action can have other advantages, e.g. allowing for con-
structing analogues of the irrotational approximation in other
types of theories, like Galileons.

Appendix D: Code validation

We start by testing our code against the known solution for a
single isolated body. Because our Newton-Raphson/Broyden
method needs an initial guess for the solution, we start from
the “linear” solution given by Eq. (B4), while the exact solu-
tion to which we compare is known analytically up to integra-
tion of the ordinary differential equation gievn by Eq. (50).
As a test of our non-linear elliptic solver, we have then solved
numerically for the one-body system (i) given in Tab. I, for
different grid resolutions.

In Fig. 12, we show the relative difference between the
numerical and the semi-analytic results as a function of %, with

z = zc fixed to the center of the matter source (where the
numerical error is the largest). Results for grid resolutions
h/R <∼ 0.15 have sub-percent errors with respect to the semi-
analytic ones. The plot also shows that the relative difference
between the initial guess, i.e. the FJBD scalar sourced by a
Gaussian [Eq. (B4)], and the semi-analytic solution that be as
large as ∼ 30%. Finally, we have checked that the solenoidal
vectorB is zero (Sec. II C), up to a numerical errors.

0.0 0.5 1.0 1.5 2.0 2.5 3.0 3.5
0.001

0.010

0.100

1

10

FIG. 12. Relative difference of our numerical results φnum from the
semi-analytic solution φ∗, for a one-body system and four different
resolutions h/R = {0.0375, 0.075, 0.15, 0.25} (corresponding re-
spectively to A,B,C,D), at the center of the source and as function
of %. The black long-dashed line represents the difference between
the initial guess (FJBD scalar sourced by a Gaussian) and the semi-
analytic solution. The screening radius rsc = 2.47R is shown by a
gray, long dashed line, and the effective radius of the Gaussian source
is R = 2σ (pink, short dashed line).

We have also checked the convergence of our residuals
(from the semi-analytic solution). In more detail, in Fig. 13
(left) we show the L2 norm of the residuals (throughout the
grid) vs the grid resolution, alonside a power law fit (red line).
The fitted power law exponent (p = 1.91) is very close to
p = 2, as expected from our discretization scheme. By using
instead the L1 norm of the residuals, we obtain p = 1.99.

In the two-body case, we do not have a semi-analytic ex-
act solution to compare our numerical results with. However,
we can test convergence by considering three different resolu-
tions (h1 = 0.32, h2 = 0.16, h3 = 0.08), and estimating the
convergence order as

p = log2

(
|φ1 − φ3|
|φ2 − φ3|

− 1

)
(D1)

where φ1, φ2 and φ3 are the numerical solutions. For the sce-
nario (ii) in Tab. I, Fig. 13 (right) shows p(%, z) at two radial
points and demonstrates that the results are consistent with the
expected second order convergence.
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We study the impact of the ambient fluid on the evolution of collapsing false vacuum bubbles by
simulating the dynamics of a coupled bubble-particle system. A significant increase in the mass of
the particles across the bubble wall leads to a buildup of those particles inside the false vacuum
bubble. We show that the backreaction of the particles on the bubble slows or even reverses the
collapse. Consequently, if the particles in the true vacuum become heavier than in the false vacuum,
the particle-wall interactions always decrease the compactness that the false vacuum bubbles can
reach making their collapse to black holes less likely.

I. INTRODUCTION

Primordial black holes (PBHs) could prove to be a so-
lution to some of the many outstanding issues in astro-
physics and cosmology. Very light PBHs, despite decay-
ing before the Big-Bang nucleosynthesis, could play an
important role in baryogenesis [1–11] or affect the pre-
dictions of models of dark matter (DM) [12–19]. PBHs
of masses similar to the masses of asteroids could instead
play the role of DM themselves [20] and even heavier
PBHs could provide seeds for cosmic structures [21–25]
or contribute to the gravitational wave signals currently
probed by LIGO-Virgo [26–32].

There are multiple mechanisms that can be responsi-
ble for the production of PBHs. The most widely used
one is through overdensities created by inflationary fluc-
tuations which collapse upon reentering the horizon [33].
Alternative mechanisms to which we will focus on involve
a collapse of regions of an unstable false vacuum. These
regions can either have their origin during inflation [34–
38] or as the last regions remaining in the initial min-
imum during a first order phase transition in the early
Universe [39–51]. In this paper we study in detail the
collapse of such false vacuum bubbles. Our main focus
is on the impact that weakly interacting particles might
have on the evolution of the disappearing false vacuum
remnants. Only particles with enough kinetic energy to
cover the difference in mass between the phases can cross
the phase boundary. This leads to a buildup of particles
with too small momenta inside of the shrinking regions.
It was claimed this effect can facilitate the PBH produc-
tion [52, 53] as the density of particles inside such regions
increases their mass. We investigate the effect including
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the back-reaction of the population of particles on the
evolution of the phase boundary. We use the recently
proposed N−body simulations [54] treating each parti-
cle as an individual object and tracking their evolution
together with the phase boundary.

We find that the back-reaction is crucial and can even
momentarily reverse the bubble evolution due to the
buildup of particles. We show that the net result of the
pressure due to particles that are lighter in the false vac-
uum than in the true vacuum is always a reduction of the
compactness the false vacuum regions can reach and less
optimistic prospects for the formation of PBHs. How-
ever, we also find that particles whose mass decreases
as they cross from the false vacuum to the true vacuum
can accelerate the wall causing the bubbles to become
more massive and compact, potentially assisting BH for-
mation.

The paper is structured as follows. In section II, we
review the dynamics of the coupled particle-wall system.
Section III describes the numerical methodology. The re-
sults are summarized in section IV and their implications
are discussed in section V. We conclude in section VI.
Some of the technical details are gathered in the appen-
dices. The units ~ = c = G = 1 are used throughout this
paper.

II. BUBBLE-PARTICLE DYNAMICS

We study a collapsing false vacuum bubble coupled to a
fluid consisting of feebly interacting particles. Neglecting
gravity and assuming a thin wall, the dynamics of such
a system depends on the particle-wall interactions [54].
Such interactions exchange energy between the wall and
the particles contributing to the radial evolution of the
bubble.

Consider particles reaching the wall separating the true
and the false vacuum regions, that we denote, respec-
tively, by ”+” and ”−”. The evolution of particle mo-
menta is determined by momentum conservation in the
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rest frame of the wall. Importantly, the asymptotic be-
havior of momenta does not depend on the wall profile.
The momentum of a particle reaching the wall from the
i region changes as [54]

pµ
i→j−−→ pµ + nµ n · pFi(−n · p) , (1)

where nµ is the normal to the wall and

Fi(u) =

{
2 , u2 < m2

j −m2
i ,

1−
√

1 +
m2

i−m2
j

u2 , u2 ≥ m2
j −m2

i .
(2)

The energy transfer between the particles and the
wall causes a pressure difference ∆P across the bubble
wall [54]

∆P =

∫
d3p

(2π)3

∑
i∈±

fi(p)
(n·p)2

Ei
Fi(−n·p) , (3)

where fi(p) the momentum distribution at side i of the
wall. Consequently, the dynamics of the bubble radius R
is given by [54]

R̈+ 2
1− Ṙ2

R
=

(1− Ṙ2)3/2

σ
(−∆V + ∆P ) , (4)

where ∆V ≡ Vr<R − Vr>R < 0 denotes the potential en-
ergy difference between the true and false vacua and σ
is the wall tension. The final stages of the false vacuum
bubble collapse are expected to occur within a timescale
shorter than the Hubble time. Therefore, we assume that
the bubble is much smaller than the Hubble horizon, and
do not consider the effect of the expansion of the Uni-
verse. We remark that ∆V does not contain thermal
corrections. These are included through ∆P which ac-
counts for both the equilibrium and non-equilibrium ef-
fects [54]. Assuming thermal initial conditions, the inside
of the bubble is in the false vacuum if ∆V > ∆P .

The pressure difference ∆P depends on the mass dif-
ference

∆m =
√
|m2

i −m2
j | . (5)

For example, assuming that (i) the outside pressure is
negligible, (ii) m− � 〈p〉 � m+ and (iii) the momenta
of particles colliding with the wall are distributed isotrop-
ically, we find that ∆P is independent of the shape of the
momentum distribution and depends only on the energy
density ρ− of the colliding particles in front of the wall
(see Appendix A),1

∆P
∆m�〈p〉

=
ρ−
3

(1− Ṙ)2

1 + Ṙ
. (6)

1 We will use ρ to denote the energy density of the particles that
collide with the wall, which is expected to make up only a fraction
of the total energy density of the primordial plasma.

This limit corresponds to the idealized case where all par-
ticles are trapped inside the bubble. However, such situ-
ations can be realized under realistic conditions – for in-
stance, given thermal particles with temperatures T−, the
flux of particles through the bubble wall is suppressed ex-
ponentially in ∆m/T− (see Appendix A), so only a mild
∆m/T− ratio is needed. Importantly, Eq. (6) implies

that ∆P can grow to arbitrarily large values as Ṙ→ −1
or ρ− →∞, so R→ 0 can be realized only if all particles
eventually escape the bubble and the final stages of the
collapse proceed as they would in vacuum.

We estimate whether the collapse can result in the for-
mation of BHs using the hoop conjecture which states
that configurations for which the compactness

C ≡M/R (7)

exceeds 1/2 will become BHs [55]. The mass contained
within the bubble

M = Ebubble + Eparticles(r < R) (8)

consists of the mass of the particles inside the false vac-
uum region, Eparticles(r < R), and the energy of the bub-
ble,

Ebubble =
4π

3
R3∆V +

4πR2σ√
1− Ṙ2

. (9)

As mentioned above, we can neglect the gravitational
corrections to BH formation when the collapsing bubbles
are smaller than the cosmic horizon. In particular, we
omit the contribution of the total energy density of the
ambient plasma, which, on average, will be much smaller
than the energy density of subhorizon false vacuum bub-
bles when they approach compactness C = 1/2. Our ap-
proach is conservative as gravitational attraction makes
it easier to form BHs.

Our aim is to study the effect of particle-wall interac-
tions on bubble collapse, especially in comparison with
bubble collapse in vacuum. Lattice simulations of a col-
lapsing scalar field bubble in vacuum show that the thin
wall approximation works well until the bubble’s size be-
comes comparable to the thickness of the wall [38]. Thus,
if the pressure buildup is not sufficient to halt the col-
lapse, the maximal compactness will be governed by non-
linear scalar field dynamics which describes the eventual
dissolution of the bubble wall.

This treatment neglects potential quantum effects such
as Pauli blocking of trapped fermions or Bose condensa-
tion of trapped bosons. These effects could affect the
pressure exerted on the bubble wall when the particles
are highly compressed.

III. METHODOLOGY

A. Simulation setup

We simulate a system consisting of a thin wall bubble
interacting with free point particles following the method
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of Ref. [54]. The equations of motions of the bubble
radius are solved in terms of dimensionless quantities x ≡
R/R0, τ ≡ t/R0

x′′ + 2
1− x′2
x

= 2
(1− x′2)3/2

xc

(
−1 +

∆P

∆V

)
, (10)

where the apostrophe denotes differentiation with respect
to τ , R0 is the initial bubble radius and xc ≡ R0/Rc its
relation to the critical radius2 Rc ≡ 2σ/∆V . As the
number of simulated particles is much smaller than the
number of particles in physical vacuum bubbles, the mo-
menta and masses of the particles must be rescaled to
keep the dynamics invariant. To preserve ∆P , Eqs. (2)
and (3) imply that the momenta and masses must be
rescaled as p→ cp, mi → cmi when the particle number
is rescaled as N → c−4N .

We start the simulations at τ = 0 with N− = N par-
ticles uniformly distributed in the false vacuum and an
empty true vacuum region, N+ = 0. The number of par-
ticles is conserved throughout the simulation. The initial
momenta of particles are drawn from a Boltzmann dis-
tribution f−(p) ∝ exp(−E−/T−).

The simulation proceeds with timesteps of length ∆τ .
At each timestep, we resolve the particle-wall collisions
following Eq. (2), compute the pressure exerted on the
bubble wall as ∆P = −∆E/(4πR2

0x
2x′∆τ), where ∆E

denotes the total energy transferred from the particles to
the wall, and solve the equation of motion of the wall,
Eq. (10), using the Euler method. The simulation stops
if the simulation time reaches some predefined maximum
value or if x < ∆τ . In the latter case the bubble either
collapses or the chosen timestep can’t be used to simulate
the minimal bubble radius.

Due to the scaling relation with the number of parti-
cles and the choice of units, the physical output of the
simulation can be determined from four dimensionless
parameters, which we choose as

1. the initial wall velocity, vw or ∆V/ρinit,

2. the mass difference across the wall, ∆m/T−,

3. the particle mass inside the bubble, m−/T−,

4. the initial bubble radius, xc ≡ R0/Rc.

The potential energy difference ∆V is set either by fix-
ing initial wall velocity vw to calculate and fix ∆P = ∆V
using equation Eq. (3) or by fixing ratio ∆V/ρinit. To
fully set up the simulation, we must further fix the num-
ber of particles N and the timestep ∆τ . These are chosen
such that the numerical fluctuations in the simulation re-
sults (e.g. maximum compactness) are kept below 1%.

At each timestep, the state of the simulation is saved,
including the bubble radius and the particle density and

2 In the thin-wall limit Rc corresponds to the radius of a nucleating
true vacuum bubble in a phase transition.

momentum distributions. From these results, we can cal-
culate the total energy inside the bubble which gives us
the compactness of the bubble.

B. Numerical implementation

The simulation is characterized by several parameters
related to the numerical implementation: the random
seed, the number of particles N , and the simulation
timestep ∆τ . To check the effects of these parameters on
the results, we performed test simulations in which the
above-mentioned parameters were varied but the physical
parameters were kept fixed as ∆V/ρ = 5.4, ∆m/T− =
1000, m−/T− = 0 and R0/Rc = 100. We simulated until
τ = 2.

Increasing particle number N reduces the numerical
noise in ∆P , but increases the runtime of the simu-
lation. Simulations with varying N up to 7 500 000
showed that all simulations produced similar results up
to the first peak in compactness, with the maximal
compactness differing by less than 1% between simula-
tions, when N ≈ 50 000. We found that the runtime
scales roughly as N0.84. Violation of energy conserva-
tion, Etot(τ)/Etot(τ = 0) − 1, was suppressed as 1/N .
All results shown in the next section, except Fig. 1, are
obtained using N = 750 000.

The simulation timestep ∆τ affects energy conserva-
tion. In current implementations, both a fixed and
an adaptive timestep was used. A fixed timestep was
adopted for making R0/Rc scans in figures Fig. 2 and
Fig. 3. Tests with a variable fixed timestep showed that
lowering the timestep improved the accuracy of the sim-
ulation in terms of energy conservation but also took
longer to run - the runtime scaled as 1/∆τ0.91 and energy
conservation violation scaled as 1.81∆τ . The results in
the next section from simulations with a fixed timestep
were performed with ∆τ = 10−4. The fixed timestep
fails at small bubble sizes x ≈ |x′| ·∆τ , especially when
the bubble is collapsing and contains particles. Adaptive
timestep eliminates this problem.

The numerical pressure ∆P estimates were tested by
comparing them with the analytical estimate (3) (also
(A2)) by assuming equilibrium distributions. We found
that the simulations produced the theoretically predicted
terminal velocities well.

The code is available at GitHub where one version3

used constant timestep and was used to make R0/Rc
scan in Fig. 2 and Fig. 3, other plots were made using
the second version4 which used adaptive timestep. Pa-
rameter scans were carried out at the KBFI GPU clus-
ter5, in total for approximately 640 GPU-hours. The

3 https://github.com/HEP-KBFI/bubbleSim/tree/FVBCollapse1
4 https://github.com/HEP-KBFI/bubbleSim/tree/FVBCollapse2
5 9x Nvidia RTX2070S GPUs

https://github.com/HEP-KBFI/bubbleSim/tree/FVBCollapse1
https://github.com/HEP-KBFI/bubbleSim/tree/FVBCollapse2
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FIG. 1. Simulation of a benchmark case with m−/T− = 0,∆m/T− = 2.5, R0/Rc = 5 and ∆V/ρ = 0.47 (or vw = −0.7). The
top row shows the time evolution of the bubble radius (left panel), the bubble compactness (middle panel), and the energy
of the bubble and the particles (right panel). The dashed black lines in the first two panels show the scenario in which the
bubble wall does not interact with the particles. The bottom panels show profiles of energy density (left panel), the mean radial
velocity of the particles (middle panel) and mean particle energy (right panel) at three distinct moments corresponding to the
colored dots in the upper panels. The energy density and mean energy profiles are normalized to the initial value inside the
bubble. The black lines with colored arrows show the location and direction of the bubble wall. N = 7.5 × 106 particles were
used in this simulation.

simulated datasets are available at doi.org/10.5281/
zenodo.7892204.

IV. RESULTS

The above methodology allows us to study the effect of
particle-wall collisions on the dynamics of collapsing false
vacuum bubbles. Fig. 1 shows a benchmark case with
∆m/T− = 2.5, R0/Rc = 5, m− = 0, and ∆V/ρ = 0.47
corresponding to an initial terminal velocity vw = −0.7.
The upper left panel shows the time evolution of the bub-
ble radius. Since ∆m/T− > 1, the particles can become
trapped and the resulting pressure increases as the bub-
ble shrinks. This will eventually stop the collapse. At
this point (shown in purple), the bubble will reach its
maximal compactness. The bubble then begins to ex-
pand and the pressure caused by the particles decreases
causing the wall to slow down and turn around. In this
way, the bubble continues to oscillate, typically with a
decreasing amplitude as the particles gradually escape
and carry away energy. The escaping particles can be
clearly seen in the bottom panels depicting the energy
density, radial velocity, and energy profiles of the par-
ticles at three distinct moments. In the green curves,
showing the profiles right after the bubble had begun to
collapse for the second time, we see a shell of particles in

front of the bubble and a wave propagating away from
the bubble. The latter consists of particles that were
pushed in front of the wall or escaped through the wall
as it turned around. The upper right panel instead shows
how the total energy contained inside the false vacuum
region is distributed between the bubble and the particles
inside the bubble. At the minimal radius, when the max-
imal compactness is reached, the particles carry almost
all of the energy, and the total energy Ebubble +Eparticles

is smaller than Ebubble at the beginning of the simulation.
In general, the behavior of the vacuum bubbles ob-

served in the simulations can be classified into three
broad and qualitatively distinct categories:

• Oscillations: The pressure can halt the collapse of the
bubble causing its size and compactness to oscillate.
This situation is depicted in Fig. 1.

• Collapse: The pressure buildup is never sufficient to
stop a runaway collapse and thus the bubble’s radius
decreases monotonously in time.

• Mixed: Intermediate scenarios in which the bubble will
initially begin to oscillate, but eventually collapses.

The collapse in the mixed scenario can be attributed to
the gradual escaping of particles and the resulting pres-
sure loss. It is thus expected, that oscillating bubbles
will eventually collapse completely if such a process is

doi.org/10.5281/zenodo.7892204
doi.org/10.5281/zenodo.7892204
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FIG. 2. The compactness and the mass at the first peak in compactness in case the particles are relativistic in the false vacuum
(m− = 0). In the two panels on the left, the initial terminal wall velocity is vw = −0.6, while in the two panels on the right,
the initial velocity was set to 0 and the initial radius to R0/Rc = 50. In the regions with a gray coloring or hatching, no peak
in compactness was observed. In this case (gray hatching), the mass was estimated close to the end of the simulation. In the
region with the white hatching region, the compactness increased after the first peak. In the black region, the bubble begins to
expand initially as ∆P > ∆V . Below the black dot-dashed curve we estimate that initially ∆P > ∆V by Eq. (3), while above
the black dashed line there is no initial terminal velocity by Eq. (3).

energetically allowed. For non-interacting particles, this
means that the combined mass M of the bubble con-
taining N particles in the false vacuum should at least
exceed the mass of these particles in the true vacuum,
i.e., M > Nm+. The temporal evolution of a selection
of example scenarios displaying all above mentioned be-
haviours is shown in Appendix B.

In the following, we discuss three qualitatively differ-
ent cases depending on the sign of the mass difference
∆m and whether the particles inside the bubble are rela-
tivistic or not. We perform scans of the parameter space
to study the dependence of the maximal compactness on
the parameters.

A. Relativistic particles (m− � T−)

To study the case in which the particles are relativistic
inside the bubble we set the m− = 0. The behaviour
of the bubble during collapse can be quantified by the
compactness Cpk and the total mass Mpk at the first
compactness peak (see e.g. the purple point in Fig. 1).
In almost all cases studied, Cpk will give the maximal
compactness of the system unless the bubble collapses
completely. Therefore, Cpk is a good indicator of whether
the collapse can lead to the formation of a BH and Mpk

can be used to estimate the mass of the BH. In particular,
BH formation is not possible if Cpk does not exceed the
initial compactness C0.

In Fig. 2 we show Cpk andMpk normalized to the initial
compactness C0 and mass M0 over a wide range of the
model parameters. In the region denoted by gray coloring
or gray hatching a compactness peak is not reached as
the bubble monotonously collapses. In this region, we

show the mass close to the end of the simulation6. An
immediate collapse of the bubble happens in the following
cases

(i) A small ∆m/T− allows the particles to escape easily
and the buildup of energy density in front of the col-
lapsing bubble wall is not sufficient to stop the wall.

(ii) For small R0/Rc, the curvature of the bubble (the sec-
ond term in Eq. (4)) can drive the collapse.

(iii) For large ∆V/ρinit there is no initial terminal velocity
for the wall and the bubble collapses within time t ≈
R0.

The special case of bubbles that oscillate before enter-
ing runaway collapse is observed when ∆m/T− is small
and R0/Rc is large. Such scenarios are indicated using
white hatching in Fig. 2. As mentioned above, the parti-
cles escape easily for a small ∆m/T− and, consequently,
the particle number and pressure can significantly drop
as the bubble oscillates (for examples, see Appendix B).
The loss of pressure is accompanied by a significant loss of
total energy making BH formation significantly more dif-
ficult even when the bubble eventually enters a runaway
collapse. We observed that the runaway collapse was pre-
ceded by multiple oscillations in simulations performed
for the white-hatched region in the first two panels of
Fig. 2 for which a moderate terminal velocity vw = −0.6
was assumed. On the other hand, in the last two pan-
els, the white hatching appears close to the region where

6 In the gray-hatched regions, Mpk is given at the point when the
bubble contains 103 particles or at the end of the simulation if
the number of particles inside the bubble was always larger.



6

1 10 102

∆m/T−

1

10

102

R
0
/
R
c

100 101 102

∆m/T−

10−1 1 10
Cpk/C0

10−2 10−1 1
Mpk/M0

1 10 102 103

∆m/T−

10−2

10−1

1

10

102

103

104

105

∆
V
/
ρ
in

it

100 101 102 103

∆m/T−

1 10 102 103
Cpk/C0

10−2 10−1 1
Mpk/M0

FIG. 3. Same as Fig. 2 but assuming non-relativistic particles with m− = 10T− in the false vacuum.

vw ≈ 1 and only a single turnaround was observed for
most cases. We stress, however, that the white-hatched
regions in Fig. 2 show only the results of the simulation
for which the bubbles were simulated for a finite phys-
ical time interval. It is expected, that the parameter
space for which an eventual runaway collapse can take
place would be enlarged if we simulated the bubbles for
a longer physical time period.

Let us take a closer look at the case with ∆m/T− � 1
where the particles can be efficiently trapped. For vw =
−0.6 we find that ∆m/T− & 10 is sufficient to avoid
runaway collapse during the simulation. Crucially, there
is almost no energy loss (Mpk ≈ M0) and Cpk plateaus
for slightly larger mass differences, ∆m/T− ≥ 20. For
vw = −0.6 only a mild increase in compactness Cpk .
3C0 is observed when R0 � Rc and ∆m� T−.

As can be seen in the first two panels of Fig. 2, for
R0/Rc � 1 the behaviour of the bubble is only weakly
affected by the initial size. The last two panels in Fig. 2
show simulations with R0/Rc = 50 for which it is ex-
pected that the dependence on R0 is weak. An initial
terminal velocity exists when ∆P ≤ ∆V . This inequal-
ity is saturated for relativistic walls vw ≈ 1 for which
∆P ≈ ∆m2n−/4T− (see Eq. (A2) or Ref. [56]). Using
ρinit = 3T−n−, we find that the bubble has an initial
terminal velocity if

∆V

ρinit
&

1

12

∆m2

T 2
−

. (11)

The boundary of this region is shown by the black dashed
curve in the last two panels of Fig. 2.7 If the system is far
from saturating the condition (11), the collapse proceeds
as it would in a vacuum until the growing pressure of the

7 Since ∆P peaks at subliminal velocities vw < 1 (see Ap-
pendix A), using the vw → 1 limit introduces a O(10%) error
into the condition Eq. (11) when compared to the exact result
shown by the black dashed curve line in Fig. 2.

compressed particles can revert the collapse. Although
not exact, the existence of initial terminal velocity turns
out to be a good predictor of runaway collapse. Moreover,
we see that the peak compactness is determined almost
entirely by ∆V/ρinit as long as (11) is satisfied and that
the total energy of the system is conserved (Mpk ≈M0).
The latter holds partially because when ∆V � ρinit, the
total mass is contained in the bubble instead of the par-
ticles, M ≈ Ebubble, and thus M is not too strongly af-
fected by escaping particles.

Most importantly, we find that with ∆V � ρinit,
the bubbles can become significantly more compact than
they initially were. Thus, such scenarios could be consid-
ered the most optimal for BH formation. However, given
that our goal is to address the potential for the trapped
particles to assist BH production, this result is rather
discouraging. First, trapped particles always hamper the
wall, and, second, the role of particles is diminished in
the ∆V � ρinit limit.

Finally, we remark, that for ∆V . ρinit, the pressure
due to the particles can cause the bubble to expand ini-
tially as ∆V < ∆P , i.e., the inside of the bubble is not in
the false vacuum due to thermal corrections to ∆V . This
case is indicated by the black region in the leftmost pan-
els of Fig. 2 and is in good agreement with the analytic
estimate using Eq. (A2).8

B. Non-relativistic particles (m− � T−)

To study the case where the bubble is populated by
non-relativistic particles, m− � T−, we show the simu-
lation results Fig. 3 for m− = 10T−. If the particles are
non-relativistic, a mild relative difference in masses can

8 The gray band between the black and colored regions is a numeri-
cal artifact that appears due to the bubble having an almost van-
ishing terminal velocity vw ≈ 0. As a result, the radius does not
turn around during the time period the bubble was simulated.



7

0 10−3 10−2 10−1 100

t/R0

−1.00

−0.75

−0.50

−0.25

0.00

Ṙ
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FIG. 4. Simulation of a benchmark case with m− > m+ showing the evolution of the wall velocity (left panel), compactness
(middle panel) and components of energy within the bubble (right panel). Simulation parameters were taken as m−/T− =
10, ∆m/T− = 10, ∆V/ρinit = 0.69 and R0/Rc = 50. The solid line represents a scenario in which particles interact with the
bubble wall and the dashed line stands for no interaction.

trap the particles. On the other hand, collisions with
a nearly relativistic wall can easily accelerate the par-
ticles to relativistic speeds and provide sufficient energy
for them to escape. Consequently, a peak in compactness
appears at higher ∆m/T− values when compared to the
relativistic case. As can be seen from Fig. 3, the total
mass within the bubble is quite well conserved in almost
all simulations in which the particles were able to stop
the collapse.

In many aspects, the non-relativistic scenario is similar
to the relativistic case: For a fixed vw = −0.6, we find
that the compactness plateaus for large values of R0/Rc
and ∆m/T−, although both Cpk/C0 and Mpk/M0 vary
much less in the non-relativistic case than in the rela-
tivistic one. Additionally, for large R0/Rc > 0, the peak
compactness Cpk is nearly independent of ∆m/T− away
from the (gray) parameter region in which an immediate
runaway collapse can be avoided.

C. Inverted mass (m− > m+)

When the mass of the particles in the true vacuum is
smaller than in the false vacuum, i.e. (m− > m+), they
can transfer energy to the wall when crossing it. This
results in negative pressure ∆P and will accelerate the
collapse. A benchmark simulation of such a scenario is
shown in Fig. 4. As can be seen from the left panel, the
bubble collapses faster than in the corresponding non-
interacting system. The middle panel shows that the
compactness of the system is at all times larger than
without the interactions and the right panel shows that
interactions increase the energy of the bubble, while in
the non-interacting case, the energy stays constant, as
expected. The energy of the particles inside the bub-
ble decreases as ∝ R3 with decreasing radius, which is
expected when the particles are allowed to freely exit
the bubble. One can also observe that the total energy
within the bubble plateaus at the end of both simulations
when most particles have exited the bubble. This is ex-
pected because the energy of the particles is too small

to significantly affect the dynamics of the bubble even
if they interact with the wall. After this point, the col-
lapse proceeds as it would in the absence of particle-wall
interactions.

Compared to the non-interacting case, the enhanced
total mass and compactness will make BH formation eas-
ier and the formed BHs heavier. However, to study the
maximal compactness of the freely collapsing bubbles ob-
served at the end of the simulation, it would be required
to go beyond the thin-wall approximation and adapt a
computational method in which thick walls and their
eventual dissolution could be resolved.

V. DISCUSSION

A. Implications for PBH phenomenology

Our key result is that the compactness reached by the
collapsing false vacuum bubble in the presence of parti-
cles that in the true vacuum are heavier than in the false
vacuum is always lower than in cases where the particles
can be neglected. This implies that the presence of par-
ticles in this case makes the production of PBHs more
difficult. Thus, the mechanisms where PBH production
relies on the particle density building up [52, 53] neces-
sarily should include the back-reaction of particles on the
wall to avoid unrealistically optimistic conclusions. An
exception is the case in which particles have lower mass
after the transition, but achieving this requires specific
model building.

As expected, the stronger the transition, the greater
the compactness that can be reached before the pressure
caused by the particles overcomes the vacuum pressure.
On the other hand, the relatively small initial size of the
remnant compared to the size of the nucleating bubble
increases the maximum compactness while for a much
larger size, the value quickly asymptotes to a constant.
The reason for this is that the pressure starts to increase
only after the particle shells in front of the wall reach the
center of the bubble. The mass of the region at the peak
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of compactness is controlled mostly by the mass differ-
ence ∆m, with large masses keeping the initial mass of
the region while lower values lead to a significant leakage
of particles and predict significantly lower total mass in
the case of weak transitions, ∆V ∼ ρinit.

B. Implications for baryogenesis

Recent progress in electroweak baryogenesis [57–65]
has shown that the baryon asymmetry can be generated
also for not very slow walls provided only that the fluid
is heated in front of the bubble wall. This, however, still
does not typically allow for the production of detectable
gravitational waves [59, 62, 65]. Our results indicate that
baryogenesis could be saved even in very strong transi-
tions due to the presence of particles gaining a large mass
upon wall crossing. This is because the false vacuum
remnants will slow down the bubble walls significantly,
even reversing the collapse of remnants briefly before the
particles have time to leak out and decrease the pres-
sure inside. As a result, even if the walls were initially
very fast, baryon asymmetry can still be generated as the
false vacuum remnants slowly disappear. A similar effect
was observed in hydrodynamical simulations in the case
where a large number of new degrees of freedom in the
plasma leads to the formation of remnants in the form of
plasma droplets [66, 67].

C. Model building considerations

The particles in our simulations are non-interacting.
On top of being a computational simplification, this is a
good approximation of physics, if the mean free time of
the particles is longer than the timescale of the bubble
collapse. For example, let us consider a fermion ψ with a
Yukawa interaction yφψ̄ψ and a bare mass term mψψ̄ψ.
The scalar φ is responsible for the bubble and acquires
a vacuum expectation value v in the true vacuum. The
mass of ψ in the false and true vacuum regions is m− =
mψ and m+ = mψ + yv. For y > 0, ψ particles exert
significant friction on the wall of a shrinking false vacuum
bubble when

Tψ . ∆mψ =

{
yv , mψ � |yv|
(2yvmψ)

1
2 , mψ � |yv|

, (12)

where Tψ is the temperature of ψ particles which may not
be in thermal equilibrium with the rest of the Universe.
More generally, Tψ can be taken to be a characteristic
momentum scale, in case the momentum distribution of
ψ deviates from the thermal one. Alternatively, the in-
verted mass scenario with m− > m+ can be realized for
−mψ/v < y < 0 or if y > 0 and the vacuum expectation
value of φ in the false vacuum is large than in the true
vacuum.

The Yukawa coupling implies several processes that
cause momentum exchange between ψ particles and be-

tween ψ and φ particles. The potentially relevant in-
teractions of ψ in this setup are ψψ → ψψ, ψ̄ψ → ψ̄ψ
and φψ → φψ, ψ̄ψ → φφ. Assuming a heavy φ, that is,
mφ � Tψ,mψ, the abundance of φ particles will be Boltz-
mann suppressed or diminished by the decay φ → ψψ̄.
Importantly, the thermally averaged cross-sections for ψ
self-scattering,9

〈σψψv〉 ≈
y4

2πm4
φ

{
5T 2

ψ/4 , mψ � Tψ

(m3
ψTψ/π)

1
2 , mψ � Tψ

, (13)

will be suppressed by m4
φ.

The mean free time τψ = (nψ 〈σψψv〉)−1 should then
be compared with the timescale of the bubble collapse,
which we estimate as τFVB = R/vw, or τFVB ≈ β−1 in
case the bubbles were nucleated during a first-order phase
transition. That is, the fluid is non-interacting when

nψ 〈σψψv〉 τFVB � 1 . (14)

This condition can be naturally satisfied for false vac-
uum bubbles formed during inflation as the mass of the
scalar can be comparable to the scale of inflation, while
the bubble collapse can take place at much lower tem-
peratures, at which the interactions have effectively been
turned off. In such set-ups, thermalization of ψ is possi-
ble in the early Universe, while ψ can decouple as tem-
peratures drop much below mφ. We will not require ψ
to be stable – bubble collapse will not be affected if its
lifetime exceeds τFVB. The application to scenarios in
which the bubbles are created during a first-order phase
transition requires more intricate model building and has
been partially addressed in Ref. [68].

As an example, let us consider a case in which ψ
was in thermal equilibrium at high temperatures so that
nψ = nψ,eq ∝ T 3, where T denotes the temperature of
the thermal bath. The thermal distribution of ψ is then
approximately preserved until the bubble begins to col-
lapse and we can estimate Tψ ≈ T for a relativistic ψ and
Tψ ≈ T 2/mψ for a non-relativistic ψ that has decoupled
from the thermal bath. We can conservatively assume
that the collapse timescale is comparable to the Hubble
time, τFVB ≈ H−1 so the condition (14) reads

y � 3mφ

T

{
(T/MPl)

1
4 , mψ � Tψ

(T 2/MPlmψ)
1
4 , mψ � Tψ

, (15)

where MPl denotes the Planck mass. For example, T =
100 GeV and mφ = 100 TeV gives a relatively mild bound

y � 0.2 for relativistic ψ and y � 0.3(T/mψ)1/4 for non-
relativistic ψ. Such couplings are consistent with the
assumed thermalization at high temperatures.

9 As we are interested in the order of magnitude estimates, we
compute the thermal average assuming Boltzmann distributed
particles neglecting Pauli blocking factors.
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VI. CONCLUSIONS

We have studied the collapse of false vacuum regions
in the presence of feebly interacting particles whose mass
between the vacua changes. This mass difference causes
the particles to interact with the wall of the false vacuum
domain and consequently affects its evolution. Through
simulations involving a thin-wall bubble coupled to an
N-particle system, we explored the parameter space in
terms of the strength of the transition and the mass
change of the particles.

We have found that the presence of particles limits the
compactness achievable by the collapsing regions. When
the particles can effectively be trapped within the false
vacuum region, their pressure can eventually surpass the
vacuum pressure, leading to the expansion of the false
vacuum domain. This leads to oscillations in the size of
the false vacuum region, with the most compact state
reached during the first oscillation. Subsequent cycles
fail to surpass this threshold due to energy carried away
by escaping particles. Consequently, the presence of even
feebly interacting particles can only suppress the poten-
tial for primordial black hole production.

On the other hand, we find that primordial black hole
production may be enhanced when the particles’ mass is
smaller in the true vacuum, so that the particles cannot
be trapped inside the false vacuum domains. Further-
more, slowing down the walls during the final moments
of the transition can augment the production of a baryon
asymmetry through electroweak baryogenesis.
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Appendix A: Wall dynamics in the thermal limit

To obtain a better understanding of the effect of par-
ticles on the dynamics of the bubble, it is instructive to
consider the case in which the particles follow an almost
thermal distribution. Assuming a thermal momentum
distribution when estimating the effect of particle colli-
sions can be a decent approximation even when parti-
cles are taken to be effectively non-interacting, i.e., when
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FIG. 5. ∆P/ρ as a function of ∆m/T− and Lorentz factor of
the bubble wall for relativistic m− = 0 (left panel) and non-
relativistic m−/T− = 10 particles (right panel). The black
line shows the maximal ∆P/ρ for a fixed ∆m/T−.

there is no force that enforces the equilibrium. This is be-
cause the particles that have collided with the wall of the
shrinking bubble move rapidly away from the wall and
are unlikely to collide with it again. Therefore most of
the collisions take place with particles that have not yet
interacted with the wall and are expected to have inher-
ited a thermal distribution before the phase transition.
However, this argument fails when multiple scatterings
with the bubble wall are likely, e.g. for small bubbles or
bubbles oscillating in size.

We can estimate ∆P from Eq. (3) by assuming that
T− � m− ≈ 0 and that the dominant contribution to
the pressure arises from the ”-” region. In the rest frame
of the fluid, we obtain that

∆P =
1

3

(1− Ṙ)2

1 + Ṙ

[
ρ− 1

2

〈
p

[
1−

∆m

p

√
1 + Ṙ

1− Ṙ

3

−

−

1−

∆m

p

√
1 + Ṙ

1− Ṙ

2


3
2 ]〉]

,

(A1)
With fi(p) ∝ e−E/Ti this gives

∆P =
ρ

3

(1− Ṙ)2

1 + Ṙ

1−G∆P

∆m

T

√
1 + Ṙ

1− Ṙ

 , (A2)

where Ṙ < 0 is the velocity of the collapsing wall and

G∆P (x) ≡ 1

4

(
e−x(2 + 2x+ x2) + x2K2(x)

)
, (A3)

and K2 denotes the modified Bessel function of the
second kind. The monotonously decreasing function
G∆P (x) characterizes the effect of particles crossing the
wall. In particular, G∆P → 0 in the ∆m/T → ∞ limit.
In this limit, all particles are stuck inside the false vac-
uum bubble since they do not have enough energy to
cross the bubble wall and

∆P

ρ

∆m/T→∞
=

1

3

(1− Ṙ)2

1 + Ṙ
(A4)
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FIG. 6. The time evolution of the bubble radius for various choices of the initial bubble wall terminal velocity vw and the initial
bubble radius R0/Rc. The color coding shows the mass difference ∆m/T−. The dashed line shows collapsing empty bubble.
The first two rows in both figures correspond to the relativistic case m− = 0, the 4th and 5th rows to the non-relativistic case
m− > T− and the last row to the inverted mass case m− > m+.
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FIG. 7. Same as Fig. 6 but showing the time evolution of the compactness. The density of particles is zero in the ∆m/T− = 0
case.
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does not depend on the temperature and is, in fact, in-
dependent of the momentum distribution as long as it is
isotropic. In the limit of relativistic walls, Ṙ→ 1, Eq. (3)
recovers the result of Ref. [56] and, assuming a Boltz-
mann distribution, Eq. (A2) gives ∆P/ρ = (∆m/T )2/12.
In particular, ∆P/ρ → ∞ for relativistic walls when
∆m/T → ∞. Therefore, if particles can not escape the

FVB, there must be a maximal velocity |Ṙ| < 1, and
the unbounded growth of pressure can always invert the
collapse. Such bubbles would either start to oscillate in
size or form a BH if they can become sufficiently compact
before the accumulating pressure stops their collapse.

Analogously, the flux of the particle number and en-
ergy across the bubble wall

jn ≡
d3N

dtd2S
=
n−
4

(1− Ṙ)2Gn

∆m

T

√
1 + Ṙ

1− Ṙ

 ,

jρ ≡
d3E

dtd2S
=
ρ−
4

(1− Ṙ)2Gρ

∆m

T

√
1 + Ṙ

1− Ṙ

 ,

(A5)

where Gn(x) ≡ e−x(1 + x), Gρ(x) ≡ e−x(1 + x + x2/3).
The fluxes through the wall are exponentially suppressed
in the limit ∆m� T− allowing for very efficient trapping
of particles.

We remark that (A5) assumes that the contribution
from outside of the bubble is negligible and fails when this
assumption is not satisfied. In the absence of a barrier,
i.e. ∆m = 0, the flux reads jn = n−(1 − Ṙ)2/4. As a
sanity check, consider a non-interacting wall for which we
should have n± = n. Accounting for the flux of particles

from outside of the bubble gives jn = n(1−Ṙ)2/4+n(1+

Ṙ)2/4 = nṘ, as expected.
Fig. 5 shows ∆P as a function of the Lorentz factor

of the wall γ = (1 − Ṙ)−1/2 for relativistic particles
(m− = 0) using Eq. (A2) in the left panel and, in the
right panel, for non-relativistic particles (m− = 10T−)
computed numerically from Eq. (3). Importantly, with
∆m/T fixed, ∆P attains a maximum for a finite value
of γ. In the non-relativistic case, the maximal ∆P corre-
sponds to mildly relativistic (|Ṙ| = O(0.5)) walls. This
is shown by the black line in Fig. 5. Walls with Lorentz
factors above the black line are unstable since a small up-
ward fluctuation in velocity would decrease the pressure
∆P and allow the wall to accelerate even further towards
|Ṙ| = 1 (or γ →∞).

Appendix B: Additional figures

Here we present additional figures that show the evo-
lution of the bubble radius, in Fig. 6, and compactness,
in Fig. 7, for various model parameters.
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D 106, 103501 (2022), arXiv:2205.05667 [astro-ph.CO].
[55] K. S. Thorne, Black Holes and Time Warps: Einstein’s

Outrageous Legacy (W. W. Norton & Company, 1995).
[56] D. Bodeker and G. D. Moore, JCAP 05, 009 (2009),

arXiv:0903.4099 [hep-ph].
[57] J. M. Cline and K. Kainulainen, Phys. Rev. D 101,

063525 (2020), arXiv:2001.00568 [hep-ph].
[58] B. Laurent and J. M. Cline, Phys. Rev. D 102, 063516

(2020), arXiv:2007.10935 [hep-ph].
[59] J. M. Cline, A. Friedlander, D.-M. He, K. Kainulainen,

B. Laurent, and D. Tucker-Smith, Phys. Rev. D 103,
123529 (2021), arXiv:2102.12490 [hep-ph].

[60] G. C. Dorsch, S. J. Huber, and T. Konstandin, JCAP
08, 020 (2021), arXiv:2106.06547 [hep-ph].

[61] J. M. Cline and B. Laurent, Phys. Rev. D 104, 083507
(2021), arXiv:2108.04249 [hep-ph].

[62] M. Lewicki, M. Merchand, and M. Zych, JHEP 02, 017
(2022), arXiv:2111.02393 [astro-ph.CO].

[63] G. C. Dorsch, S. J. Huber, and T. Konstandin, JCAP
04, 010 (2022), arXiv:2112.12548 [hep-ph].

[64] B. Laurent and J. M. Cline, Phys. Rev. D 106, 023501
(2022), arXiv:2204.13120 [hep-ph].

[65] J. Ellis, M. Lewicki, M. Merchand, J. M. No, and
M. Zych, JHEP 01, 093 (2023), arXiv:2210.16305 [hep-
ph].

[66] D. Cutting, M. Hindmarsh, and D. J. Weir, Phys. Rev.
Lett. 125, 021302 (2020), arXiv:1906.00480 [hep-ph].

[67] D. Cutting, E. Vilhonen, and D. J. Weir, Phys. Rev. D
106, 103524 (2022), arXiv:2204.03396 [astro-ph.CO].

[68] R. Jinno, B. Shakya, and J. van de Vis, (2022),
arXiv:2211.06405 [gr-qc].

http://dx.doi.org/ 10.1103/PhysRevLett.117.061101
http://arxiv.org/abs/1603.08338
http://arxiv.org/abs/1603.08338
http://dx.doi.org/ 10.1103/PhysRevLett.116.201301
http://arxiv.org/abs/1603.00464
http://dx.doi.org/10.1016/j.dark.2016.10.002
http://dx.doi.org/10.1016/j.dark.2016.10.002
http://arxiv.org/abs/1603.05234
http://dx.doi.org/10.1088/1475-7516/2021/03/068
http://arxiv.org/abs/2012.02786
http://dx.doi.org/10.1103/PhysRevD.102.123524
http://dx.doi.org/10.1103/PhysRevD.102.123524
http://arxiv.org/abs/2008.13704
http://dx.doi.org/10.1103/PhysRevD.105.083526
http://arxiv.org/abs/2105.03349
http://arxiv.org/abs/2105.03349
http://arxiv.org/abs/2303.16810
http://dx.doi.org/10.1086/153853
http://dx.doi.org/10.1088/1475-7516/2016/02/064
http://dx.doi.org/10.1088/1475-7516/2016/02/064
http://arxiv.org/abs/1512.01819
http://dx.doi.org/10.1088/1475-7516/2017/12/044
http://arxiv.org/abs/1710.02865
http://dx.doi.org/10.1088/1475-7516/2020/09/023
http://arxiv.org/abs/2006.11907
http://arxiv.org/abs/2006.11907
http://dx.doi.org/ 10.1103/PhysRevLett.125.181304
http://dx.doi.org/ 10.1103/PhysRevLett.125.181304
http://arxiv.org/abs/2001.09160
http://dx.doi.org/ 10.1088/1475-7516/2022/02/017
http://arxiv.org/abs/2112.01505
http://arxiv.org/abs/2112.01505
http://dx.doi.org/10.1103/PhysRevD.26.2681
http://dx.doi.org/10.1103/PhysRevD.26.2681
http://dx.doi.org/10.1143/PTP.68.1979
http://dx.doi.org/10.1143/PTP.68.1979
http://dx.doi.org/10.1103/PhysRevD.54.7163
http://dx.doi.org/10.1103/PhysRevD.54.7163
http://arxiv.org/abs/hep-ph/9512202
http://dx.doi.org/10.1016/j.dark.2020.100672
http://dx.doi.org/10.1016/j.dark.2020.100672
http://arxiv.org/abs/1912.00997
http://dx.doi.org/10.1016/j.physletb.2021.136791
http://dx.doi.org/10.1016/j.physletb.2021.136791
http://arxiv.org/abs/2106.00111
http://dx.doi.org/ 10.1103/PhysRevD.105.L021303
http://arxiv.org/abs/2106.05637
http://arxiv.org/abs/2106.05637
http://arxiv.org/abs/2110.04271
http://arxiv.org/abs/2110.04271
http://dx.doi.org/10.1016/j.physletb.2023.137688
http://arxiv.org/abs/2211.16225
http://arxiv.org/abs/2211.16225
http://dx.doi.org/10.1103/PhysRevD.105.115033
http://dx.doi.org/10.1103/PhysRevD.105.115033
http://arxiv.org/abs/2201.07243
http://dx.doi.org/10.1088/1475-7516/2022/10/030
http://arxiv.org/abs/2206.09923
http://arxiv.org/abs/2212.14037
http://arxiv.org/abs/2305.04924
http://arxiv.org/abs/2305.04942
http://arxiv.org/abs/2105.07481
http://arxiv.org/abs/2110.00005
http://dx.doi.org/10.1103/PhysRevD.106.103501
http://dx.doi.org/10.1103/PhysRevD.106.103501
http://arxiv.org/abs/2205.05667
http://dx.doi.org/10.1088/1475-7516/2009/05/009
http://arxiv.org/abs/0903.4099
http://dx.doi.org/10.1103/PhysRevD.101.063525
http://dx.doi.org/10.1103/PhysRevD.101.063525
http://arxiv.org/abs/2001.00568
http://dx.doi.org/10.1103/PhysRevD.102.063516
http://dx.doi.org/10.1103/PhysRevD.102.063516
http://arxiv.org/abs/2007.10935
http://dx.doi.org/ 10.1103/PhysRevD.103.123529
http://dx.doi.org/ 10.1103/PhysRevD.103.123529
http://arxiv.org/abs/2102.12490
http://dx.doi.org/10.1088/1475-7516/2021/08/020
http://dx.doi.org/10.1088/1475-7516/2021/08/020
http://arxiv.org/abs/2106.06547
http://dx.doi.org/10.1103/PhysRevD.104.083507
http://dx.doi.org/10.1103/PhysRevD.104.083507
http://arxiv.org/abs/2108.04249
http://dx.doi.org/10.1007/JHEP02(2022)017
http://dx.doi.org/10.1007/JHEP02(2022)017
http://arxiv.org/abs/2111.02393
http://dx.doi.org/10.1088/1475-7516/2022/04/010
http://dx.doi.org/10.1088/1475-7516/2022/04/010
http://arxiv.org/abs/2112.12548
http://dx.doi.org/10.1103/PhysRevD.106.023501
http://dx.doi.org/10.1103/PhysRevD.106.023501
http://arxiv.org/abs/2204.13120
http://dx.doi.org/ 10.1007/JHEP01(2023)093
http://arxiv.org/abs/2210.16305
http://arxiv.org/abs/2210.16305
http://dx.doi.org/10.1103/PhysRevLett.125.021302
http://dx.doi.org/10.1103/PhysRevLett.125.021302
http://arxiv.org/abs/1906.00480
http://dx.doi.org/10.1103/PhysRevD.106.103524
http://dx.doi.org/10.1103/PhysRevD.106.103524
http://arxiv.org/abs/2204.03396
http://arxiv.org/abs/2211.06405


Dissipative Inflation via Scalar Production

Paolo Creminelli,a,b Soubhik Kumar,c,d Borna Salehian,a,b and Luca Santonia,e

aICTP, International Centre for Theoretical Physics, Strada Costiera 11, 34151, Trieste, Italy
bIFPU, Institute for Fundamental Physics of the Universe, Via Beirut 2, 34014, Trieste, Italy
cBerkeley Center for Theoretical Physics, Department of Physics, University of California, Berke-

ley, CA 94720, USA
dTheoretical Physics Group, Lawrence Berkeley National Laboratory, Berkeley, CA 94720, USA
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Abstract: We describe a new mechanism that gives rise to dissipation during cosmic in-

flation. In the simplest implementation, the mechanism requires the presence of a massive

scalar field with a softly-broken global U(1) symmetry, along with the inflaton field. Parti-

cle production in this scenario takes place on parametrically sub-horizon scales, at variance

with the case of dissipation into gauge fields. Consequently, the backreaction of the pro-

duced particles on the inflationary dynamics can be treated in a local manner, allowing

us to compute their effects analytically. We determine the parametric dependence of the

power spectrum which deviates from the usual slow-roll expression. Non-Gaussianities are

always sizeable whenever perturbations are generated by the noise induced by dissipation:

f eq
NL & O(10).
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1 Introduction

Inflation is the most compelling scenario for the early Universe. However, we are very

far from finding its explicit UV realization and its connection to the Standard Model. A

more modest goal, which is achievable in the foreseeable future, is to study the qualita-

tive features of inflation and test them with experiments. The amazing progress in the

search for B-modes [1–3] is going to reveal whether inflation occurred at high-energy, with

Planckian displacement of the inflaton, or at lower scales [4]. The possibility that pertur-

bations are generated by a scalar field different from the inflaton will be tested by local

non-Gaussianities [5–7], once the threshold f loc
NL ∼ 1 is reached (see for example [8–10]).

Equilateral non-Gaussianities will be able to test whether the inflaton perturbations travel

subluminally [11], although reaching f eq
NL ∼ 1 will require more patience (see for example

[9, 12]).

Another qualitative feature that one would like to test is whether the time-dependent

inflaton background dissipates energy, producing additional degrees of freedom. One pos-

sibility is that the produced degrees of freedom thermalize after the production: this is the

case of warm inflation, in which the inflaton coexists with a thermal plasma. This scenario

has a long history [13], but it found only recently a compelling, minimal realization [14].

Cosmological perturbations in this case are generated by the coupled evolution of the in-

flaton and the thermal bath. The model gives a rich phenomenology of non-Gaussianity,

detectable in a wide range of parameter space [15]. Another possibility is that the produced

degrees of freedom do not thermalize and this is the scenario we are going to explore in

this paper.

A simple mechanism for dissipation is given by the pseudoscalar coupling of the inflaton

φ with gauge fields: φFF̃ . This coupling is quite natural since it is compatible with the

approximate shift symmetry of the inflaton action. As explained by Anber and Sorbo [16],

around the time-dependent inflaton background the gauge fields develop an instabilility

and are copiously produced. This process backreacts on the inflaton, generating friction,

which adds to the usual Hubble friction. Cosmological perturbations do not arise from the

usual vacuum fluctuations but are given by fluctuations in gauge-field production.

The model we are going to study below can be seen as a scalar version of the gauge-

field scenario. A complex scalar χ develops a window of instability because of the interplay

between the mass term and a coupling i∂µφ (χ∂µχ∗ − χ∗∂µχ), which plays a role analogous

to the φFF̃ coupling described above.1 As always, there is more model-building flexibility

in dealing with scalars compared to gauge fields and this will allow us to address some

important drawbacks of the Anber–Sorbo model (at the price of less minimality).

The main qualitative difference between our scenario and the case of gauge-field in-

stability is that the window of instability in our case will be on scales much shorter than

Hubble, while in the vector case the instability persists until Hubble crossing. (The dy-

1A similar coupling appears also in the context of fermion production in axion inflation, where ∂µφ

couples to the fermionic current JµA = iψ̄γµγ5ψ of a (softly broken) axial U(1)A symmetry [17, 18].

– 2 –



namics of χ will be studied in section 2, and appendices A and B.) This difference has

two important consequences. First, in a single Hubble patch, there are many short modes

produced by the instability. The average of many modes suppresses the power spectrum

(see section 3), while in the original Anber–Sorbo model one has to introduce a huge num-

ber of distinct gauge bosons in order to get an analogous suppression. The large number

also makes the statistics of perturbation close to Gaussian, by the central limit theorem,

and thus compatible with observations (see also [17, 18]). The second implication of pro-

ducing modes on short scales is that their response is much faster than Hubble and can

be treated as instantaneous. On the contrary, the typical timescale for the backreaction of

the gauge fields is the Hubble time: this introduces nonlocality in the equations, and more

importantly, gives rise to large oscillations of the background solution. The solution ceases

to be an attractor as recently understood both using numerical simulations and analytical

arguments; see [19] and references therein.

In our model, the effect of the produced degrees of freedom can be treated as a mod-

ification of the inflaton Lagrangian that is local in time (plus a noise term). From this

point of view, the model can be seen as an explicit realization of the general Effective

Field Theory (EFT) of dissipative inflation studied in [20]. The advantage of our setup is

that the production of the extra degrees of freedom is compatible with the inflaton shift

symmetry. In previous dissipative models, like trapped inflation [21], the production of

particles is associated with the breaking of the shift symmetry acting on the inflaton: in

this case one needs some additional model-building gymnastic to control the flatness of the

inflaton potential.

As for the other features discussed at the beginning, non-Gaussianity is the key ex-

perimental signal of dissipation. There are actually two sources of non-Gaussianity (see

section 4 and appendix D): one originating from the inflaton nonlinearities and the second

from the statistics of the noise. The first category has a contribution that depends on

the amount of dissipation: if the linear equation of motion contains a modified friction

(3H + γ)ϕ̇, then the nonlinear realization of Lorentz invariance implies a non-Gaussian

contribution with a size f eq
NL ∼ γ/H [20]. (This is similar to what happens when consid-

ering models where the inflaton has a reduced speed of propagation.) Therefore reaching

the threshold f eq
NL ∼ 1 will also test whether the inflaton perturbations have a sizeable

dissipation. In the model that we study in this paper, we also find that the interaction

of the inflaton with the noise generates f eq
NL & O(10), approximately independent of γ/H,

which might be within the reach of upcoming cosmological surveys. On the other hand,

the non-Gaussianity of the noise, which is also model-dependent and cannot be estimated

with EFT considerations, turns out to be subdominant in our setup.

Notation and Conventions. We work in mostly plus metric signature (−,+,+,+),

and natural units c = ~ = 1. We denote the reduced Planck mass by MPl = (8πG)−1/2.
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We adopt the Fourier convention

f(t, ~x) =

∫
d3~k

(2π)3
ei
~k·~x f(t,~k) . (1.1)

We will sometimes use the following shorthand:
∫
~k
≡
∫

d3~k
(2π)3

. We will denote with τ the

conformal time, defined by dτ = dt/a(t), where a is the scale factor.

2 Overview of the Mechanism and Background Evolution

We consider a complex scalar field χ which is charged under a (softly broken) global U(1)

symmetry. Since χ is not the inflaton candidate in our scenario, we will often refer to χ as

the Additional Degree Of Freedom (ADOF). The action describing the coupling between

the inflaton φ and the ADOF χ, in the presence of gravity, is given by

S =

∫
d4x
√
−g
[

1

2
M2

PlR−
1

2
(∂φ)2 − V (φ)− |∂χ|2 +M2|χ|2

− i∂µφ
f

(χ∂µχ∗ − χ∗∂µχ)− 1

2
m2(χ2 + χ∗2)

]
. (2.1)

This model was also considered in [22], in the context of cosmological collider physics [23,

24], in the limit of small backreaction from the produced χ quanta. In the above, M , m,

and f have mass dimensions +1. We have also chosen an unusual sign of the mass term

M2|χ|2 for later convenience. We will confirm below that this choice is safe in the sense

that it does not induce any tachyonic instability for the superhorizon modes. In the absence

of the last term in eq. (2.1), the action is exactly invariant under the U(1) transformation

χ → eiα χ, with α ∈ R. Thanks to this enhanced symmetry, the hierarchy m2 � M2—

which we assume below—is protected against large radiative corrections. The inflaton

potential V (φ) is the only source of breaking of the shift symmetry φ → φ + constant,

which becomes exact in the limit in which V is φ-independent. We will also assume that

V (φ) is even under φ→ −φ, in such a way that the action (2.1) enjoys the following exact

symmetry: φ→ −φ and χ→ χ∗.2

To simplify the presentation, we have kept operators only up to dimension-5 in eq. (2.1).

As we will see later, we must assume that m2 and M2 are functions of (∂φ)2—which pre-

serves the φ shift symmetry—and thereby include certain dimension-6 and higher contri-

butions, while still demanding a controlled EFT. In addition, for simplicity, we will only

consider quadratic terms in χ.

It is useful to formulate our model also in terms of the EFT of inflation [11, 25]. The

χ sector is described in unitary gauge by

S =

∫
d4x
√
−g
[
− |∂χ|2 + M2|χ|2 − iρ

(
χ∂0χ∗ − χ∗∂0χ

)
− 1

2
m2(χ2 + χ∗2)

]
. (2.2)

2This will be relevant in section 2.3.1 (see, in particular, footnote 8) and appendix C.

– 4 –



where φ̇0(t) ≡ ρf . The masses M2 and m2 will in general depend on g00 (we are going

to need only the unperturbed value and the first perturbation, proportional to (g00 + 1)).

The only new ingredient is the presence of a 1-derivative operator for χ. This operator is

possible only in the presence of two (real) scalars, otherwise it reduces to a total derivative,

and opens up the possibility of a window of instability for χ.

2.1 Homogeneous Solution and Particle Production

In this section, we study the equation of motion for χ on the unperturbed, homoge-

neous, and isotropic inflationary background. We will denote the time-dependent back-

ground profile for φ as φ0(t), and work at the leading order in the slow-roll approximation,

i.e., |Ḣ| � H2 and |φ̈0| � H|φ̇0|. Without loss of generality, we will assume that φ̇0 > 0.

As we will see, for certain choices of the parameters in the model (2.1), the motion of the

inflaton φ induces instabilities in the ADOF sector and leads to a significant production

of χ particles. We discuss the slow-roll background evolution and backreaction effects in

more detail in section 2.3 below.

We start with the χ equation of motion, obtained from the action (2.1):

�χ+
2i

f
∇µφ∇µχ+

(
M2 + i

�φ
f

)
χ−m2χ∗ = 0 . (2.3)

We also write χ in terms of two real fields χ1 and χ2,

χ ≡ χ1 + iχ2√
2

, (2.4)

and set φ0(t) ≡ ρft, where ρ has mass dimension +1. Then, rescaling the field components

χ1 and χ2 as χi ≡ σi/a
3/2, for i = 1, 2, the ADOF equation of motion (2.3) on the

homogeneous background φ0(t) takes the form:

σ̈1 −
~∇2σ1

a2
−
(
M2 −m2 +

9H2

4

)
σ1 − 2ρσ̇2 = 0 , (2.5a)

σ̈2 −
~∇2σ2

a2
−
(
M2 +m2 +

9H2

4

)
σ2 + 2ρσ̇1 = 0 . (2.5b)

We can decompose σ1 and σ2 in terms of creation and annihilation operators as

σi(t, ~x) =

∫
d3~k

(2π)3
ei
~k·~x
[
(Fk(t))ij âj(~k) + (F ∗k (t))ij â

†
j(−~k)

]
, (2.6)

where Fk(t) is a 2×2 matrix, whose elements are functions of k and t, and â(~k) is a 2-vector

of annihilation operators (see appendix A for details). To solve for the mode function matrix

Fk(t) on the inflationary background we will use the standard WKB approximation. This

assumes that the coefficients in (2.5) depend so weakly on time that all the time dependence

in Fk(t) is essentially encoded in a common phase factor ei
∫
ω±dt. The (time-dependent)

WKB frequencies ω± are given by

ω2
± =

(√
k2

a2
+ µ2 ± ρ

)2

− m4

4ρ2
, (2.7)
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Instability band

Figure 1. The blue thick line is the plot of ω2
− as a function of time (in arbitrary units) for fixed

k and given choice of the mass parameters in (2.7). The thin red line is instead a sketch of the

profile of the corresponding mode function. Note that, at very early times, ω2
− > 0 and the mode

behaves as a plane wave satisfying the standard Bunch–Davies initial condition (the amplitude is

too small to be visible in the plot). After entering the instability band (t1 < t < t2), ω2
− turns

negative and the mode starts growing exponentially. For t > t2, the mode oscillates again, but with

a much larger amplitude. Its relative enhancement compared to the early-time wave amplitude can

be read off from the WKB solution (2.11).

where we defined

µ2 ≡ ρ2 −M2 − 9H2

4
+
m4

4ρ2
. (2.8)

Corrections to the leading WKB solution can be systematically accounted for by solving

for the time dependence of the amplitude of the mode functions. We review in detail the

derivation of the WKB solution (up to the desired order) in appendix B. Here, we just

report the result and comment on the aspects that will be useful in the following. First we

note that, provided

m2 < M2 +
9H2

4
< ρ2 +

m4

4ρ2
< 2ρ2 , (2.9)

the mode function corresponding to ω− develops an instability, i.e., ω2
− < 0, when the

physical momentum k/a takes values in the finite range (see figure 1)

−m2 +M2 +
9

4
H2 <

k2

a2
< m2 +M2 +

9

4
H2 . (2.10)

This does not happen for the ω+ mode which satisfies ω2
+ > 0 at all times. We can write

the full WKB solution by first identifying the points in time where ω2
− = 0 for a fixed

momentum k. We denote these two points by t1 and t2 (t1 < t2). The WKB solution

can thus be obtained by solving the equation for Fk(t) away from t1 and t2, such that the

solution is well defined and not singular, and by then performing the matching across t1

– 6 –



and t2. The final result can be summarized as follows:

Fk(t) =



(
~Q+ , i ~Q+

)
e−i

∫ t ω+ +

(
~Q− , −i ~Q−

)
e−i

∫ t ω− , t < t1

e−iθ1
(
~Q− , −i ~Q−

)
e
∫ t
t1
|ω−|, t1 < t < t2

e−iθ1+πξ

[(
~Q− , −i ~Q−

)
e
−i

∫ t
t2
ω− +i

(
~Q∗− , −i ~Q∗−

)
e

+i
∫ t
t2
ω−

]
, t > t2

(2.11)

where we introduced the phase θ1 =
∫ t1 dt′ ω−(t′). The 2-vectors ~Q±, denoting the columns

of the matrices in (2.11), and the growth exponent ξ can be read off from eqs. (B.8) and

(B.18), respectively. Note that in the second and third line of (2.11) we omitted to write

explicitly the terms involving the ω+ modes, whose amplitudes are exponentially suppressed

compared to the ω− ones, and are therefore negligible. Since the ω+ modes will play no

role in the following discussion, we will neglect them altogether, and from now on drop

the minus subscript on the growing modes. Those frequencies will be denoted simply by ω

instead of ω−. We will reinstate the full notation when explicitly needed.

2.2 Local Response and Hierarchies

The instability in the χ spectrum occurs whenever the conditions (2.9) are satisfied. In the

following, to simplify the analysis, we will consider physical situations in which the particle

production happens on scales much shorter than the Hubble size. In particular, we will

require the time scale for dissipation induced by the ADOF to be much smaller than H−1.

This is a necessary condition in order to be able to describe the dissipative dynamics of

the system in a local approximation and to neglect memory effects.

Working in a local regime has multiple advantages. First, a delayed response to a

change in the inflaton velocity, which is generically expected whenever the typical time

scale of particle production becomes comparable to H−1, is absent in a local regime. This

can avoid the possible presence of additional resonances and instabilities. These latter

effects have been, for instance, explicitly seen in the context of axion inflation [19, 26, 27],

where oscillatory features have been found in the inflaton velocity and the gauge-field

spectrum, as a result of a nonlocal response. On the other hand, locality will allow us to

obtain an analytic description of the dynamics of the perturbations [20]. In addition, in the

strong-backreaction regime, the local approximation provides a natural way of suppressing

potentially large contributions in the induced scalar correlators, without the need of a large

number of ADOFs [16], as we will explicitly see in section 3.

To this end, we require that the χ modes enter the instability phase when they are

still subhorizon, i.e.,
k

a
∼M � H . (2.12)
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In addition, a necessary condition for locality is that the instability band is narrow in

Hubble units, i.e.,

H(t2 − t1) ∼ ∆(k/a)

k/a
∼ m2

M2
� 1 , (2.13)

where we have used ∆(k/a) ∼ m2/M . We are interested in cases with significant particle

production. Therefore, we require the parameter ξ in the exponential factor eπξ in eq. (2.11)

to be ξ & O(1). Using eq. (2.13) in the expression for ξ in eq. (B.18), we obtain:

ξ ' m4

8HρM2
& O(1) . (2.14)

Note that, from eqs. (2.9), (2.12), and (2.13), it follows that m� ρ and M . ρ. Thus, the

inequality (2.14) can be satisfied only if we assume that H � m.

As we will explicitly see later on, the equation for the inflaton perturbations is modified

by particle production. One effect that is induced is an additional friction term. The

requirement that such extra friction coefficient is moderately, but not exponentially, large

implies that (see eq. (3.12))3

e2πξ M
2

f2
. 1 =⇒ f �M . (2.15)

The previous conditions are schematically summarized by the following hierarchy:

f � ρ &M � m� H . (2.16)

Although necessary, we stress that (2.16) is not sufficient to completely ensure the absence

of nonlocal effects in our setup. Couplings of the inflaton to conserved quantities or opera-

tors with constant averages over long time scales can generically still induce long-distance

effects and delayed response. We will come back to this point with a concrete example

when we discuss more about locality in section 3.

Without loss of generality, for the sake of the presentation, we will assume from now

on that the scales ρ and M are of the same order, and use them interchangeably in the

estimates below, dropping irrelevant order-one factors.

2.3 Backreaction Effects and Slow-roll Background Evolution

The exponentially amplified χ modes will eventually backreact on the inflationary evolu-

tion. At the background level, two main types of backreaction effects can be distinguished.

First, the large production of χ particles extracts energy from the inflaton, providing a new

source of dissipation that can potentially overcome the Hubble friction in the φ0 equation

of motion. In addition, the energy density of the produced particles contributes to the

Friedmann equations. In this work, we will mainly focus on the large-backreaction regime

in which the dissipation due to χ production becomes comparable to, or larger than, the

3More precisely, using eq. (3.12) we find γ/H ∼ ξ2 exp(2πξ)M2/f2. The requirement of γ & H, but

with γ not larger than 102H (see eq. (4.14)), gives the relation in eq. (2.15).
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standard Hubble friction. In such a regime, the inflationary evolution is dominated, in large

part, by dissipation into the ADOF sector, deviating from the standard slow-roll scenario

at least by an order-one amount. On the other hand, we will require the energy density of

the χ modes in the Friedmann equations to be subleading compared to the inflaton energy

density, which remains dominated by the inflaton potential.

To be as general as possible, we will allow M2 and m2 to depend on φ through the shift-

symmetric combination X ≡ −(∂φ)2/(2ρ2f2).4 The action (2.1) should thus be regarded

as an effective theory with a cutoff scale Λ ' (ρf)1/2. In particular, we will expand the

functions M2(X) and m2(X) in derivatives as

M2(X) = M2
0

(
c0 + c1

(∂φ)2

ρ2f2
+ . . .

)
, m2(X) = m2

0

(
c′0 + c′1

(∂φ)2

ρ2f2
+ . . .

)
, (2.17)

where cn and c′n are order-one couplings, while M0 ∼ ρ and m0 � ρ, as in the hierarchy

(2.16).5 Note that, on the background solution φ0(t) = ρft, the Xn terms with n > 1 in

the expansions (2.17) provide at most order-one corrections to the leading n = 0 terms,

i.e., M ∼M0 and m ∼ m0.

From the action (2.1), we can now compute the equations of motion for φ, which after

using (2.3), can be cast in the form

∇µ
[(

1 +
|χ|2

ρ2f2
(M2

X − 2ρ2)− 1

2ρ2f2
(χ2 + χ∗2)m2

X

)
∇µφ

]
− V ′(φ) +

im2

f
(χ2 − χ∗2) = 0 ,

(2.18)

where we introduced the shorthand notation M2
X ≡

dM2

dX and m2
X ≡

dm2

dX . The energy-

momentum tensor for the matter fields is

Tµν =

[
1 +

|χ|2

ρ2f2
M2
X −

1

2ρ2f2
(χ2 + χ∗2)m2

X

]
∂µφ∂νφ+ 2∂(µχ∂ν)χ

∗

+
2i

f
∂(µφ

(
χ∂ν)χ

∗ − χ∗∂ν)χ
)

+ gµνL , (2.19)

where L is the Lagrangian density in (2.1).

Backreaction effects induced by the ADOF can be accounted for by taking the ex-

pectation values of the χ operators in the Friedmann equations. Using (2.19), where we

evaluate φ and the metric on the background, we find the Friedmann equations

3M2
PlH

2 =
φ̇2

0

2
+ V +

〈
|χ̇|2

〉
+

1

a2

〈
|∂iχ|2

〉
−
(
M2 −XM2

X

) 〈
|χ|2

〉
+ iρ 〈χχ̇∗ − χ̇χ∗〉+

1

2

(
m2 −Xm2

X

) 〈
χ2 + χ∗2

〉
, (2.20)

4In fact, as we will explicitly discuss in section 2.4, having M2 and m2 nontrivial functions of X is not

just for the sake of generality, but is a necessary ingredient for the background solution to be an attractor.
5A careful reader might have noticed that the first operator in the second line of eq. (2.1) enters at a

scale f that is parametrically larger than Λ, associated with the Xn terms in the expansions (2.17). We

stress that this is a consistent choice, since such an operator is the only one that breaks the Z2 symmetry

φ→ −φ and cannot, therefore, be generated quantum mechanically from the other Z2-symmetric operators

in the action.
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−M2
PlḢ =

φ̇2
0

2
+
〈
|χ̇|2

〉
+

1

3a2

〈
|∂iχ|2

〉
+XM2

X

〈
|χ|2

〉
+ iρ 〈χχ̇∗ − χ̇χ∗〉− 1

2
Xm2

X

〈
χ2 + χ∗2

〉
,

(2.21)

while the background equation for the inflaton takes the form

1

a3
∂t

[(
1 +

〈
|χ|2

〉
ρ2f2

(M2
X − 2ρ2)− 1

2ρ2f2

〈
χ2 + χ∗2

〉
m2
X

)
a3φ̇0

]
+V ′(φ)− im

2

f

〈
χ2 − χ∗2

〉
= 0 .

(2.22)

We stress that, in eqs. (2.20), (2.21), and (2.22), the quantities X, M2, m2 and derivatives

thereof are implicitly all meant to be computed on φ0(t).

2.3.1 Computation of the Expectation Values and Slow-roll Conditions

We will now compute the average of the operators appearing in the background equations

(2.20)–(2.22). We will see that it is possible to identify two different types of operators,

depending on whether they have nontrivial support only on sub-Hubble scales or not.

Let us start by estimating the expectation value
〈
|χ|2

〉
. Using the definition χ ≡ σ/a3/2

and eq. (2.6), we can write〈
|χ|2

〉
=

1

2

〈
χ2

1 + χ2
2

〉
=

1

4π2a3

∫
dk k2

(
[Fk(t) · F †k (t)]11 + [Fk(t) · F †k (t)]22

)
. (2.23)

The average (2.23) is a sum over all χ modes. To get an estimate, we shall neglect the

integral over the modes that, with sufficiently large k ≡ |~k|, have not entered the instability

phase at a given time t yet, and we shall focus instead only on those whose amplitudes

are exponentially enhanced. This provides a ‘UV cutoff’, set by the scale k/a ∼M , up to

which we shall compute the integral (2.23). Using (2.11) for t > t1 and (B.8), the leading

contribution to eq. (2.23) is, by simple dimensional analysis,〈
|χ|2

〉
' e2πξ

4π2a3

∫
dk k2|Q−|2 '

e2πξ

4π2
M2 , (2.24)

where we neglected oscillatory terms and used the fact that the integral gets contributions

from all k/a’s from small values up to the scale M (see figure 2).6

Next, we look at the operator χ2 + χ∗2. Its expectation value can be written as〈
χ2 + χ∗2

〉
=
〈
χ2

1 − χ2
2

〉
=

1

2π2a3

∫
dk k2

(
[Fk(t) · F †k (t)]11 − [Fk(t) · F †k (t)]22

)
. (2.25)

We note that
〈
χ2 + χ∗2

〉
is subdominant compared to 〈|χ|2〉 since the former vanishes in

the limit of m→ 0.7 In particular, following the same steps as in (2.24), we obtain〈
χ2 + χ∗2

〉
' e2πξ

4π2
m2 . (2.26)

6Note that the integrand in (2.24) has a nonzero (almost) constant average on Hubble scales and can

therefore induce a nonlocal response at the level of the perturbations. In other words, a change in the

inflaton velocity can affect
〈
|χ|2

〉
at much later times. We will discuss in section 3 under what conditions

these nonlocal effects can be absent.
7One can check that for m = 0 it is possible to decouple the two fields by means of a suitable field

redefinition which implies
〈
χ2
1

〉
=
〈
χ2
2

〉
.
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Figure 2. Numerical plots of the integrands in eqs. (2.23) (left) and (2.28) (right), as functions of

k/(aH), for the computation of the expectation values of
〈
|χ|2

〉
and

〈
−i(χ2 − χ∗2)

〉
, respectively.

The vertical scale is arbitrary. For the plots we have set the instability scale at k/(aH) ∼ 400. We

can distinctly distinguish two types of behavior: the function oscillates either around zero (right) or

around a nonzero value (left). This implies that, when we compute the integral in eq. (2.23) to get〈
|χ|2

〉
, all modes with k/(aH) ≤ 400 will contribute. Instead, only the modes localized around the

instability window will be relevant for the integral (2.28) for
〈
−i(χ2 − χ∗2)

〉
, while all the others

will average out.

Furthermore, taking into account the different dimensionful prefactors multiplying the two

operators in eqs. (2.20)–(2.22), it follows that the terms proportional to
〈
χ2 + χ∗2

〉
in

(2.20)–(2.22) are even more suppressed compared to
〈
|χ|2

〉
:

m2
X

〈
χ2 + χ∗2

〉
(M2

X − 2ρ2) 〈|χ|2〉
' m4

ρ4
� 1 , (2.27)

where we have assumed M2
X − 2ρ2 ∼M2 and m2

X ∼ m2.

Following the same logic, it is instructive to consider the operator (χ2−χ∗2) appearing

in (2.22), and compare its expectation value with (2.24) and (2.26). We have:

− i
〈
χ2 − χ∗2

〉
= 2 〈χ1χ2〉 =

1

2π2a3

∫
dk k2[Fk(t) · F †k (t)]12 . (2.28)

As opposed to
〈
|χ|2

〉
and

〈
χ2 + χ∗2

〉
, the integrand in (2.28) oscillates around a zero

mean value as a function of k/a, except for the finite range of k/a where the modes are

exponentially enhanced. In other words, the leading contribution to the integral (2.28) has

support over the instability window only (see figure 2). We can thus estimate:

− i
〈
χ2 − χ∗2

〉
' e2πξ

2π2
m2 , (2.29)

where we used eqs. (2.12) and (2.13), and set ρ 'M . We provide additional details on the

derivation of (2.29) in appendix C, where we show in particular that assuming φ̇0 > 0 the

right-hand side of (2.29) has positive sign, i.e.,

− i
〈
χ2 − χ∗2

〉
> 0 , (2.30)
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which will be relevant below. Comparing with the
〈
|χ|2

〉
contribution in eq. (2.22),

Hφ̇0
f2

〈
|χ|2

〉
im2

f 〈χ2 − χ∗2〉
' Hρ3

m4
' 1

8ξ
. 1 , (2.31)

which using eq. (2.14) turns out to be smaller than unity.

Similarly to (2.24), (2.26) and (2.29), one can straightforwardly obtain a dimensional-

analysis estimate for all the other operators in the equations (2.20)–(2.22). In the end, the

Friedmann equations reduce to

3M2
PlH

2 ' φ̇2
0

2
+ V +

e2πξ

4π2
M4, (2.32)

−M2
PlḢ '

φ̇2
0

2
+

e2πξ

4π2
M4. (2.33)

For the inflaton background equation (2.22), we find that the leading contribution comes

from the last term in (2.22) (see eqs. (2.27) and (2.31)). As a result, it reduces to

3Hφ̇0 + V ′ +
e2πξ

2π2

m4

f
' 0 . (2.34)

Note that, from eq. (2.30), it follows that the sign of the last term in (2.34) is consistent

with the sign of 3Hφ̇0, as it should be in order for it to be interpreted as a standard friction

in the inflation dynamics.8

As anticipated, we focus on the large-backreaction regime Hφ̇0 . e2πξm4/(2π2f), in

such a way that we can disregard Hφ̇0 in (2.34). As a result, we obtain

2πξ ' ln

∣∣∣∣2π2fV ′

m4

∣∣∣∣ . (2.35)

On the other hand, we require the energy density to be dominated by the inflaton potential,

like in the standard slow-roll paradigm, i.e.,

V � φ̇2
0 ,

e2πξ

4π2
M4 (2.36)

in such a way that M2
PlH

2 ' V and ε ≡ −Ḣ/H2 � 1.

2.4 Exponential Growth and Attractor Behavior

As a result of the instability, the amplitude of one of the two modes of the χ field grows

exponentially during the intermediate phase t1 < t < t2. After t2, the amplitude of the

8Recall that we have been working under the assumption that φ̇0 > 0. However, from the symmetry

{φ → −φ, χ → χ∗} of the action (2.1), it automatically follows that the same holds true even if we had

chosen to work with the opposite convention φ̇0 < 0. In fact, by definition, performing the transformation

{φ→ −φ, χ→ χ∗} nothing can change. Therefore, since the left-hand side of (2.29) flips sign, its right-hand

side must flip sign as well, i.e., it must be odd in φ̇0.
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unstable mode gets enhanced by a factor eπξ, with ξ defined in eq. (B.18). Using the

hierarchy (2.16), the exponent ξ scales approximately as9

ξ ' m4f

8Hφ̇0M2
. (2.37)

A necessary condition for the system to evolve toward an attractor is that ξ should be a

monotonically increasing function of the inflaton velocity, i.e., the friction and the energy

injected into the χ sector should grow as φ̇0 grows. Using the expansions (2.17), it is

easy to choose the couplings cn and c′n in such a way that dξ/dφ̇0 > 0 for values of the

parameters that satisfy the condition (2.16). In the following, we will always work under

this assumption of monotonicity of ξ(φ̇0).

3 Perturbation Theory and Power Spectrum

3.1 Inflaton Perturbations

We next expand the fields in perturbations and study their dynamics around the inflation-

ary background. We will neglect for simplicity the mixing with gravity and focus on the

scalar perturbations only. In this section we will study linear perturbations and postpone

the discussion of beyond-linear-order perturbations to section 4.

Defining the inflaton fluctuation as ϕ(t, ~x) ≡ φ(t, ~x) − φ0(t) and using eq. (2.18), the

linearized equation for ϕ can be schematically written as,

Dϕ(t, ~x) = O[χ; t]− 〈O〉ϕ=0 (3.1)

where the differential operator D is given by

D ≡−
[
1 +
〈|χ|2〉
ρ2f2

(
M2
X − 2ρ2

)
− 1

2ρ2f2
〈χ2 + χ∗2〉m2

X

]
�+ V ′′

+

(
〈|χ|2〉
ρ2f2

M2
XX −

1

2ρ2f2
〈χ2 + χ∗2〉m2

XX

)
1

a3
∂t(a

3∂t)−
i

ρf2
〈χ2 − χ∗2〉m2

X∂t ,

(3.2)

where we have kept only the leading contributions in the quasi-de Sitter approximation.

For instance, we neglected the slow-roll suppressed terms φ̈0 � Hφ̇0, 〈∂t|χ|2〉 � H〈|χ|2〉,
and 〈∂t(χ2 + χ∗2)〉 � H〈χ2 + χ∗2〉. Following the discussion in section 2.3.1 and using the

hierarchy (2.16), the operator D can be significantly simplified:10

Dϕ ' ϕ̈+

(
3H − i

ρf2
〈χ2 − χ∗2〉m2

X

)
ϕ̇−

(
∂2
i

a2
− V ′′

)
ϕ , (3.4)

9See also eq. (B.19). Note that in (2.37) we reinstated the inflaton velocity φ̇0.
10This will become more clear in section 3.2 below. To see this explicitly, one can consider the limit

2πξ � 1. From eqs. (2.24), (2.27), and (2.29) it follows in fact that

〈|χ|2〉
f2

' 1

32π

γ/H

ξ2
� 1 ,

m2
X

ρ2f2
〈χ2 + χ∗2〉 � 〈|χ|

2〉
f2

� 1 ,
i

ρf2H
〈χ2 − χ∗2〉m2

X '
γ/H

2πξ
� 1 , (3.3)

where γ is defined in eq. (3.12). However, analogous conclusions hold also in the other cases mentioned in

section 3.2 that allow to achieve a local dynamics in the system.
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with the value of
〈
χ2 − χ∗2

〉
given in eq. (2.29). To get (3.4) we have assumed that

M2
XX ∼M2

X ∼M2 and m2
XX ∼ m2

X ∼ m2.

The quantity O[χ; t] on the right-hand side of eq. (3.1) is a composite operator that

depends quadratically on χ, and acts as a source term in (3.1). More concretely, it can be

seen from eq. (2.18) that there are five different quadratic combinations of χ contributing

to O[χ; t]: |χ|2, (χ2 + χ∗2), ∂t|χ|2, ∂t(χ
2 + χ∗2) and (χ2 − χ∗2). For each of them we can

identify two types of contributions [20]:

O − 〈O〉ϕ=0 = δOS + δOR . (3.5)

δOS ≡ [O − 〈O〉]ϕ=0 is the stochastic, or noise, contribution and represents intrinsic in-

homogeneities in O that would be present even in the absence of ϕ perturbations, i.e.,

deviations from the expectation value due to quantum fluctuations of the ADOF. The two-

and three-point correlation functions induced by δOS will be studied in sections 3.5 and

4.2 respectively (see also appendix D). On the other hand, δOR is the response contribu-

tion, which corresponds to the change induced by inflaton perturbations, originating from

the fact that the fields φ and χ are coupled. In other words, δOR can be expressed as a

functional of ϕ.11 More precisely, at linear level and for long-mode inflaton perturbations,

the response δOR simply corresponds to the variation of the expectation value 〈O〉 due to

a change in the inflaton velocity. It can be written as an integral over the history of ϕ̇ (see

footnote 11), subject to some kernel KO(t, t′):

δOR(t,~k) = δ 〈O〉 (t,~k) =

∫
dt′KO(t, t′) ϕ̇~k(t

′) . (3.6)

The integral in eq. (3.6) depends in principle on higher derivatives of ϕ as well, but those are

suppressed as long as we restrict ourselves to slowly-varying and long-wavelength inflaton

perturbations, compared to the instability scale. In this limit, it is possible to extend the

WKB solution for χ to include effects of ϕ.12 Then, one can use it to compute δOR by

expanding the expectation value of O to linear order in ϕ. Note that the particular form

of the kernel depends crucially on the structure of the operator in terms of χ, i.e., the five

different combinations listed above.

Given the above discussion, eq. (3.1) is thus in general an integro-differential equation

for ϕ, sourced by the stochastic fluctuation δOS .13 However, a simplification can be made

11Note that, since Lorentz invariance is broken only spontaneously by φ̇0 (and there are no other sources

of breaking) and since φ is a shift-symmetric scalar, O can be unambiguously covariantized. Therefore, to

the leading order in derivatives, it is a functional of the Lorentz scalar ∂µφ∂
µφ [20]. Thus δOR depends on

ϕ through the combination φ̇0ϕ̇+ ϕ̇2/2− (∂iϕ)2/(2a2). We will come back to this in section 4.
12The extension of the WKB procedure is immediate for homogeneous inflaton perturbations: we just

replace φ0 → φ0 +ϕ(t). However, for inhomogeneous perturbations one has to resort to eq. (2.3) and apply

general eikonal methods [28].
13Note that, even at linear order in the inflaton perturbation, this equation contains a convolution over

spatial momenta, which is hidden inside the kernel KO. This is a consequence of the fact that χ does not

have a zero mode at the level of the background. Note that this convolution remains even for spatially

homogeneous inflaton configurations.

– 14 –



so that we do not need to deal with eq. (3.1) in its general form. As we will argue in

the following subsection, it is possible to consider a situation in which only one particular

operator, (χ2 − χ∗2), on the right-hand side of eq. (3.1) is relevant. For this operator the

response is local, i.e., the kernel KO is approximately proportional to a delta function, and

therefore eq. (3.1) is an ordinary differential equation.

3.2 Local vs. Nonlocal Response

Among the five different operators that appear on the right-hand side of eq. (3.1), we will

argue that |χ|2 and (χ2 +χ∗2) behave in a similar way, and likewise ∂t|χ|2 and ∂t(χ
2 +χ∗2).

Therefore, we shall focus just on the three operators |χ|2, ∂t|χ|2, and (χ2−χ∗2). One main

qualitative difference among them is that, as it follows from section 2.3.1 and figure 2, the

expectation value of the first one is sensitive to modes with momenta in a broad range of

order of the Hubble scale, while the latter two dominantly receive contributions only from

modes localized on a parametrically shorter range of scales, around the instability window.

This distinction is physically relevant, because that is what discriminates between local

and nonlocal behaviors.

To understand this, let us take the expectation value of these operators on the back-

ground solution φ̇0(t) and imagine slightly perturbing the inflaton velocity by adding a

homogeneous fluctuation ϕ̇(t). Now consider for instance 〈|χ|2〉, which can be computed

using eq. (2.23) with the mode functions including the effect of the slowly varying infla-

ton velocity. Every mode in the integration of eq. (2.23) is exponentially sensitive to the

value of the inflaton velocity around the time the mode becomes unstable, i.e., the time of

crossing the turning points. Therefore, one could interpret the integral over k in eq. (2.23)

as an integral over the history of the inflaton velocity. However, as shown in figure 2, the

result is sensitive to a wide range of scales. This suggests that the response of |χ|2 cannot

be described in a local approximation. In contrast,
〈
−i(χ2 − χ∗2)

〉
is expected to be local:

as evident from the right panel in figure 2, the main contribution to the result comes from

a narrow range of scales around the instability window, which is parametrically shorter

than a Hubble time.

What we just described can be seen explicitly in figure 3,14 where we compare the

responses of |χ2| and (χ2 − χ∗2) to a change in the inflaton velocity φ̇0. One could easily

imagine that this result is extendable to the case of long-wavelength, but inhomogeneous,

perturbations, although this would require a more sophisticated analysis.

The situation with the operator (χ2 + χ∗2) is similar to the one of |χ|2. A similar plot

as in figure 2 for the (χ2+χ∗2) operator reveals that there are oscillations in k/(aH) around

a nonzero average after the instability band. This means that (χ2 + χ∗2) has a nonlocal

14The reason why we get an undershoot in the response plots in figure 3 is that, in order to avoid expensive

numerical calculations, the separation between the instability scale and the Hubble scale is taken not huge.

Therefore, in our code, a perturbation with a wavelength λ fraction of a Hubble time is not precisely a long

mode. We expect that in the limit H/m→ 0 responses become more and more similar to a step function,

like the driving perturbation.
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Figure 3. Numerical solutions for the expectation values
〈
|χ|2

〉
(left) and

〈
−i(χ2 − χ∗2)

〉
(right),

assuming that the inflaton velocity (dashed line) has a step ϕ̇ ∝ tanh(t/λ) with λ = 0.1H−1. While〈
|χ|2

〉
requires more than a Hubble time to reach the asymptotic value,

〈
−i(χ2 − χ∗2)

〉
responds

to the step function in a fraction of a Hubble time. This confirms locality of the response for the

latter as opposed to the former operator. In the plots, units of the vertical axes are arbitrary.

response as well. On the other hand, for both ∂t|χ|2 and ∂t(χ
2 + χ∗2), the oscillations

happen around zero—very similarly to the case of (χ2 − χ∗2) shown in figure 2—thanks

to the time derivative which eliminates the nonzero average. Therefore, both ∂t|χ|2 and

∂t(χ
2 + χ∗2) have local responses.

Having a nonlocal response in the model has some negative aspects. First of all, it

makes an analytic treatment very complicated. More importantly, it is very likely that the

system would exhibit a resonant instability for the inflaton perturbations. The situation

would then be similar to the case of axion inflation where such instabilities are present, as

recently illustrated in [19, 26, 27, 29].

Keeping the above discussion in mind, we now describe some possible ways in which

we can suppress nonlocal response in the system. The first option is to take 2πξ � 1, while

keeping
〈
χ2 − χ∗2

〉
m2/(fHφ̇0) ' e2πξm4/(Hρf2) fixed. This suppresses parametrically

the nonlocal response of Hφ̇0
f2
|χ|2 compared to im2

f (χ2−χ∗2) in the linearized eq. (3.1). As

a byproduct, in this limit the response of the (local) operator ∂t|χ|2 is also negligible.15 As

a result, (χ2 − χ∗2) becomes the leading source, not only for the background in eq. (2.34),

but also for perturbations in eq. (3.1).

Alternatively, one could allow for a moderate ‘fine tuning’. Choosing the couplings in

(2.17) in such a way that M2
X = 2ρ2 allows in principle to remove the nonlocal operator

15Recall that 〈∂t|χ|2〉 is slow-roll suppressed. This implies in particular that, in linear response theory,

the operator ρ
f
∂t|χ|2 will not induce any ϕ̇ term in the equation (3.1). It may however, and in general will,

generate a ϕ̈ term, which would correspond to a modification to the sound speed cs. Nevertheless, using

the WKB solution (2.11) and the hierarchy (2.16), one finds that δc2s � 1 in the limit 2πξ � 1.
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|χ|2 (as well as ∂t|χ|2) from eq. (2.18) altogether.16

Another possibility is to couple the ADOF χ to some other additional fields, which χ

can decay into on time scales much shorter than H−1, removing all nonlocality [20]. In this

case, one has to additionally require that such a coupling does not alter significantly the

process of χ production triggered by the inflaton. This can be done by properly choosing

the scale associated with this coupling that controls the decay rate.

For all these scenarios, the result is that the response of the system is local in time and

we can safely neglect all but the (χ2−χ∗2) operator to compute δOR. A similar conclusion

holds for δOS .17

The local approximation will be appropriate for the study of cosmological perturba-

tions, but it will break down if one is interested in inflaton perturbations that are much

shorter (and faster) than Hubble. For instance, if one starts from inhomogeneous initial

conditions, short-scale perturbations may be present and not amenable of a local descrip-

tion. In particular, these short perturbations may trigger oscillations similar to the ones

discussed in the case of gauge-field instability. However, these oscillations will be eventually

suppressed when modes become sufficiently long that the local description is appropriate,

as we will discuss momentarily. The situation is qualitatively similar to what happens in

non-dissipative models with an EFT cutoff: inflaton perturbations that are shorter than

the cutoff cannot be described within the EFT, but this does not preclude the calculation

of the cosmological correlators.

3.3 Linear Equation and Friction Coefficient

From the considerations of the previous section, it is possible to consider cases in which

we can focus only on the single composite operator (χ2 − χ∗2) on the right-hand side of

eq. (3.1) for which treating the response as local is a good approximation. Thus, with a

slight abuse of notation, we will just define

O ≡ −i(χ2 − χ∗2) . (3.8)

Using eqs. (2.18) and (3.4), the linearized equation of motion for ϕ reduces to

ϕ̈+

(
3H +

m2
X

ρf2
〈O〉

)
ϕ̇−

(
∂2
i

a2
− V ′′

)
ϕ = −m

2

f
(δOS + δOR) , (3.9)

16Note that the other nonlocal operator (χ2 + χ∗2) is already parametrically smaller than (χ2 − χ∗2).

Indeed, comparing the two terms in (2.22) yields

m2
X

ρ2f2

〈
χ2 + χ∗2

〉
Hφ̇0

m2

f
〈χ2 − χ∗2〉

∼ H

2ρ
� 1 (3.7)

and so is its response contribution to the right-hand side of (3.1). Note that the tuning M2
X = 2ρ2 is

however not fully robust against quantum loops, because the tree-level couplings cn and c′n in (2.17) get

order-one corrections from loop diagrams in the theory.
17One can check a posteriori by repeating the analysis of section 3.5 that, in the local approximation and

under the assumption of the hierarchy (2.16), the ϕ correlation functions induced by |χ|2, (χ2 +χ∗2), ∂t|χ|2

and ∂t(χ
2 + χ∗2) are suppressed compared to those sourced by (χ2 − χ∗2).
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where the operator O is now given in eq. (3.8). By virtue of the local approximation, its

response δOR can be easily computed as

δOR '
∂ 〈O〉
∂φ̇0

ϕ̇+O(ϕ2) . (3.10)

Hence, the ϕ equation (3.9) can be rewritten in Fourier space as

ϕ̈~k + (3H + γ)ϕ̇~k +

(
k2

a2
+ V ′′

)
ϕ~k = −m

2

f
δOS(~k) , (3.11)

where the additional friction coefficient γ is given by

γ '
m2
X

ρf2
〈O〉+

m2

f

∂ 〈O〉
∂φ̇0

' ξm4

πMf2
e2πξ , (3.12)

and where we used (2.29) and ∂ξ/∂φ̇0 ∼ ξ/(Mf). For later convenience, we can write

(3.11) in conformal time as

ϕ′′~k −
(

2

τ
+

γ

Hτ

)
ϕ′~k +

(
k2 +

V ′′

H2τ2

)
ϕ~k = − m2

fH2τ2
δOS(~k), (3.13)

where primes denote derivatives with respect to the conformal time τ . In the following,

we will focus primarily on the regime where the effect of dissipation due to the coupling

to the ADOF is larger than the standard Hubble friction, i.e., γ & 3H. In the opposite

regime γ � 6πξH, see eq. (2.34), dissipation becomes also irrelevant for the background

evolution: in this weak backreaction regime, the χ production is exponentially sensitive to

the parameters and as such it tends to be very scale dependent.

Before proceeding let us comment on an implicit simplification we made so far. We

are neglecting metric perturbations and working in the so-called decoupling limit (see [20]

for a discussion of the decoupling limit in the presence of dissipation). This is possible

in the limit in which the first Friedmann equation (2.32) is dominated by the potential,

with all deviations (kinetic energy of the inflaton and stress-energy tensor of the ADOF)

suppressed by ε � 1. Neglecting ε corrections is not only a welcome simplification, but

also crucial if one wants to stick with an approximation in which the effect of the ADOF

can be taken to be local in time. Indeed the stress-energy tensor of χ redshifts with a

timescale of order Hubble, so that the solution for the constraint variables N and N i (in

the ADM formalism) is sensitive to the past dynamics of χ.

We are now ready to solve the (inhomogeneous) equation (3.13). The full solution for ϕ

is in general given by the superposition of a piece that solves the homogeneous equation and

a particular solution. The former corresponds to the usual inflaton vacuum fluctuations,

which are discussed in section 3.4 below. The particular solution can instead be thought

of as a perturbation induced by two χ modes and is derived explicitly in section 3.5.
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3.4 Vacuum Fluctuations

Here we study the homogeneous part of the solution to the eq. (3.13). Note that this is not

the same as the conventional equation for the perturbations with H simply replaced by γ,

since the modes still get redshifted by Hubble. In fact, ignoring the potential term and in

the limit γ � H, one can see that freeze-out of modes happens at k/a ∼
√
γH rather than

the naive expectation k/a ∼ γ [20].18

We will see below that, as γ becomes larger, the homogeneous solution becomes less

important than the particular solution [20]. We first note that the homogeneous solution

to eq. (3.13) can be generally written as

ϕk = τβ
[
AH(1)

α (−kτ) +B H(2)
α (−kτ)

]
, (3.14)

for constant A and B, and where we defined

α ≡

√(
3

2
+

γ

2H

)2

− V ′′

H2
, β ≡ 3

2
+

γ

2H
. (3.15)

In this section the effect of the potential will be immaterial, so we shall replace β ' α in

the following. Since the system is dissipative one must match the initial conditions to the

Bunch–Davies vacuum at some early time k|τ0| � γ/H. Demanding the correct behavior

around τ0 implies that A = 0 and B ∼ τ
−γ/2H
0 . Therefore, the asymptotic value of the

solution in the limit τ → 0 is

ϕk(τ → 0) ∝
(
kτ0

γ/H

)− γ
2H

e−
γ
2H , (3.16)

where we have used the fact that γ � H. As a result, increasing the friction will exponen-

tially damp the homogeneous solution. We will ignore the vacuum fluctuations in the rest

of the analysis; note that vacuum fluctuations may be subdominant even for small friction

γ � H, i.e. depending on the parameters it is possible to have negligible friction while the

dominant source of fluctuations comes from the noise.

3.5 Stochastic Noise and the Induced Power Spectrum

The particular solution to the inhomogeneous equation (3.13) can be derived using standard

Green’s function methods. We can write the solution in momentum space as

ϕ(τ,~k) = −m
2

f

∫
dτ ′Gk(τ, τ

′)a(τ ′)2δOS(τ ′,~k) , (3.17)

in which Gk(τ, τ
′) is the retarded Green’s function of eq. (3.13). To leading order in the

quasi-de Sitter approximation, it can be written in terms of the Bessel functions of first

18Note that there are two scales in the problem described by the homogeneous equation (3.11). We have

k/a ∼ γ which is the scale at which the friction of the damped oscillator (3.11) starts becoming important.

After this, γϕ̇ becomes dominant over the kinetic energy ϕ̈: γϕ̇~k + k2

a2
ϕ~k = 0. Freezing happens when the

decay rate k2

a2
1
γ

becomes of order H, i.e., k/a ∼
√
γH � γ.
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and second kind,19

Gk(τ, τ
′) =

π

2
τ
( τ
τ ′

)β−1 [
Yα(−kτ)Jα(−kτ ′)− Jα(−kτ)Yα(−kτ ′)

]
Θ(τ − τ ′) . (3.19)

Here α and β are defined in eq. (3.15) and Θ is the standard Heaviside theta-function,

defined such that Θ(x) = 0 for x < 0 and Θ(x) = 1 for x ≥ 0. As mentioned above, we

will assume |V ′′|1/2 � γ + 3H which implies α ' β to leading order.

Given the inhomogeneous solution (3.17), the inflaton two-point function sourced by

O can be obtained by simply computing the equal-time expectation value

〈ϕ~k(τ)ϕ~k′(τ)〉 =
m4

f2

∫
dτ ′dτ ′′a(τ ′)2a(τ ′′)2Gk(τ, τ

′)Gk′(τ, τ
′′)〈δOS(τ ′,~k)δOS(τ ′′,~k′)〉 .

(3.20)

Here 〈δOS(τ ′,~k)δOS(τ ′′,~k′)〉 is the (unequal-time) stochastic noise of O in momentum

space, which using eq. (2.6) is found to be

〈δOS(τ ′,~k)δOS(τ ′′,~k′)〉 = 4(2π)3δ(~k + ~k′) a(τ ′)−3a(τ ′′)−3

∫
d3~p

(2π)3
F|~p|,|~k−~p|(τ

′, τ ′′) , (3.21)

where we defined

Fp1,p2(τ ′, τ ′′) ≡
[
Fp1(τ ′) · F †p1(τ ′′)

]
11

[
Fp2(τ ′) · F †p2(τ ′′)

]
22

+
[
Fp1(τ ′) · F †p1(τ ′′)

]
12

[
Fp2(τ ′) · F †p2(τ ′′)

]
21
.

(3.22)

Note that the noise (3.21) is correctly proportional to the momentum-conserving delta-

function δ(~k + ~k′), as it should be from invariance under spatial translations.

Now, it is not hard to see that under the assumptions of section 2.2 of a narrow and

sub-Hubble instability band, the two-point function (3.21) is local in both time and space,

i.e., it can be approximately written as proportional to a delta function δ(τ ′− τ ′′) (locality

in time) and it is independent of the momentum k (locality in space). The dilation isometry

of de Sitter implies that the two-point function is of the form

〈δOS(τ ′,~k)δOS(τ ′′,~k′)〉 ' (2π)3δ(~k + ~k′) δ(τ ′ − τ ′′)H4τ4νO , (3.23)

where the overall coefficient νO does not depend on time (up to slow-roll corrections) and

momentum [20].20 The reasoning that justifies locality in space and time goes schematically

19The retarded Green’s function solution (3.19) can be also equivalently written in terms of Hankel

functions as

Gk(τ, τ ′) =
π

4i
τ
( τ
τ ′

)β−1 [
H(1)
α (−kτ)H(2)

α (−kτ ′)− H(2)
α (−kτ)H(1)

α (−kτ ′)
]

Θ(τ − τ ′) . (3.18)

20If one writes this expression in the Minkowski limit using physical momentum ~p and cosmological time

t, one gets

〈δOS(t′, ~p)δOS(t′′, ~p′)〉 ' (2π)3δ(~p+ ~p′) δ(t′ − t′′) νO . (3.24)

Therefore νO is the Minkowski normalization. We expect, and we will verify shortly, that this does not

depend on H but only on the mass scales M and m. Of course H appears in the exponential growth of the

modes, since it is the scale that cuts off the instability.
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as follows. Plugging the explicit solution (2.11) in (3.21), one can check that the integrand,

for fixed say τ ′′, is everywhere an oscillating function of τ ′ with a zero mean value, except

when τ ′ is sufficiently close to τ ′′. For τ ′ ∼ τ ′′ there is a nontrivial overlap between the

instability regions of the mode functions F (τ ′) and F †(τ ′′) in each term [F (τ ′) · F †(τ ′′)]
in (3.22), resulting in a net positive, non-oscillating exponential enhancement. This is the

interval where the integral of F|~p|,|~k−~p|(τ
′, τ ′′) gets its leading contribution. In addition,

since the exponential amplification takes place on very short scales while we are interested

in the late-time two-point function of ϕ i.e., in the limit kτ � 1, we can approximate

|~k − ~p| ' |~p|. As a result,

νO '
1

a(τ ′)2

∫
d3~p

(2π)3

F|~p|,|~p|(τ ′, τ ′)
ω(p) a(τ ′)

∼ e4πξ

4π2

M

m
, (3.25)

where in the second equality we used that ω2 ' m2

2ρ2
(k2

ph∗ − k2
ph) close to the turning point

kph∗ =
√
M2 −m2 where the frequency vanishes, and simple dimensional analysis.21 We

provide a more detailed derivation of (3.25) in appendix D.

By using eq. (3.21) in (3.20) we get

〈ϕ~k(τ)ϕ~k′(τ)〉 ' (2π)3δ(~k + ~k′)
m4

f2
νO

∫
dτ ′Gk(τ, τ

′)2 . (3.26)

Now, we are interested in the two-point function at late times τ → 0. In this limit, the

expression for the Green’s function given in eq. (3.19) simplifies as

Gk(τ, τ
′) ' 1

k
(−kτ)β−αΓ(α)2α−1 Jα(−kτ ′)

(−kτ ′)β−1
, τ → 0 , (3.27)

where the theta function in eq. (3.19) is automatically satisfied if τ → 0. To estimate the

integral in eq. (3.26), we can take the limit that the induced friction is dominant over the

Hubble friction, γ & H, and set, to leading order in the slow-roll approximation, α ' β.

Therefore by using eq. (3.27) with β ' α the integral is [20]∫
dτ ′Gk(τ, τ

′)2 =
1

k3

4α−2Γ(α− 1)Γ(α)2

Γ(α− 1
2)Γ(2α− 1

2)
' 1

4k3

√
π/(2α− 3/2) , (3.28)

where the last expression is an approximation obtained from asymptotic expansion for large

α which is also reliably good for γ/H & 1. Putting everything together:

〈ϕ~k(τ)ϕ~k′(τ)〉 ' (2π)3δ(~k + ~k′)
1

k3

(
Mm3

16f2

e4πξ√
γ/Hπ3/2

)
. (3.29)

As expected, the power spectrum (3.29) scales as k−3, consistently with the scale invari-

ance of de Sitter. We can thus estimate the induced power spectrum for the curvature

21Note that in estimating the integral (3.25) we are disregarding UV divergences. Since the leading

contribution to the integral comes from a narrow region and is largely independent of what happens on

much shorter scales, we can safely neglect the details of any regularization procedure needed to take care

of the divergences.

– 21 –



perturbation ζ = −Hϕ/φ̇0 as:

∆2
ζ ≡

k3

2π2

H2

φ̇2
0

〈ϕ~kϕ−~k〉
′ ' 1

32ξ2

( γ

πH

)3/2 H4M

m5
, (3.30)

which is consistent with the observed value ∆2
ζ ' 2 · 10−9 for typical choices of the scales

in our model. Note that in eq. (3.30) the prime symbol ′ on the two-point function means

that we removed the momentum-conserving delta-function (2π)3δ(~k + ~k′). In addition,

we neglected deviations from scale invariance. As usual, the tilt of the spectrum (3.29)

can be computed by taking into account the time dependence of ζ at horizon crossing: it

contains various contributions due to the time dependence of the parameters in eq. (3.30).

Notice that, in the strong backreaction regime, the tilt is not enhanced by the exponential

dependence in eq. (3.29): indeed the exponential can be written in terms of the derivative

of the potential as in eq. (2.35) and it is, as such, slowly varying. Conversely, in the weak

backreaction regime, the scale dependence will be enhanced by 4πξ.

The dependence of the power spectrum on H, ∆2
ζ ∝ H4, is easy to understand and it

captures most of the physics. A rough estimate of the power spectrum can be obtained

comparing the typical fluctuation δOS with the average value 〈O〉 on the unperturbed

solution. One is interested in fluctuations on scales that are close to horizon crossing,

k ∼ τ−1, and averaged on a window of order unity in conformal times. Using the power

spectrum in eq. (3.23), one sees that this procedure gives something proportional to H4.

This can also be understood intuitively as follows. δOS receives contributions from many

independent short modes, characterized by the scales m and M , which are both much

larger than H and that we can take as equal for this qualitative discussion. The power

spectrum will go as 1/N where N is the number of independent contributions. Since we are

averaging, both in space and in time, with a typical scale H, the number of independent

contributions goes as (H/M)4. The smallness of the power spectrum is due to the presence

of many independent sources that contribute incoherently as discussed in the introduction.

In contrast, the case of axion inflation in the strong-backreaction regime predicts large

power for the fluctuations simply because the instability continues up to large scales [16].

4 Non-Gaussianity

In this section, we extend the previous discussion to next order in perturbation theory

and estimate the size of non-Gaussianity in the model (2.1). Let us expand eq. (2.18) to

quadratic order in perturbations. We neglect the contributions from the operators |χ|2 and

(χ2 +χ∗2) which, under the assumptions of section 3.2 for a local dynamics, are suppressed

compared to those from O ≡ −i(χ2 − χ∗2). We then have

−∇µ∇µϕ+ V ′′ϕ+
1

2
V ′′′ϕ2 +

1

ρf2

[
m2
X ϕ̇+

(
m2
X +m2

XX

) ϕ̇2

2ρf
−m2

X

(∂iϕ)2

2ρfa2

]
〈O〉

+
1

f

(
m2 +m2

X

ϕ̇

ρf

)
(δOR + δOS) = 0 , (4.1)
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where δOR is a functional of ϕ, which must be expanded up to second order as explained

below. From eq. (4.1) we can identify three different types of sources of non-Gaussianity.

These are the usual sources of non-Gaussianity of standard inflationary models. They are

slow-roll suppressed and independent of the coupling to the ADOF, and we will therefore

not consider them here. In addition, there are the non-Gaussianities induced by the non-

Gaussian statistics of the noise fluctuations δOS . We will briefly discuss them in section 4.2

below, where we show that their contribution is typically subdominant. Finally, there are

the non-Gaussianities sourced by the nonlinear coupling between ϕ and the ADOF. These

are of two types: they either result i) from nonlinear terms of the schematic form ϕδOS
in the equations of motion (which stem from the X dependence of m2), or ii) from the

nonlinear dependence of δOR on ϕ.

To obtain δOR beyond linear order we note that, since φ0(t) is the only source of

breaking of Lorentz symmetries, nonlinearly realized Lorentz symmetry and shift symmetry

ensure that δOR depends on ϕ, to the leading order in derivatives, only through the Lorentz

scalar ∂µφ∂
µφ. In other words, we can write

δOR ≡ O
[√
X
]
−O|ϕ=0 = O

[√
X
]
− (〈O〉|ϕ=0 + δOS)

= 〈O〉
[√
X
]
− 〈O〉|ϕ=0 + δO

[√
X
]
− δOS ,

(4.2)

where in the second line by δO we mean the fluctuation of the operator O around its

expectation value 〈O〉 (we stress that these quantities will in general depend on ϕ). Since

we are neglecting in this section non-Gaussianity in the noise, we can treat δO as a Gaussian

variable. In the local approximation (3.23), δO must thus be proportional to δOS and we

can write, to linear order in ϕ,

δO
[√
X
]
'

[
1 +

1

2 〈δO2〉
∂
〈
δO2

〉
∂φ̇0

∣∣∣∣
ϕ=0

ϕ̇

]
δOS =

[
1 +

1

2νO

∂νO

∂φ̇0

ϕ̇

]
δOS , (4.3)

where the constant of proportionality in front of ϕ̇ can be fixed by matching the variance

of δO and δOS . Plugging into eq. (4.2), we get

δOR '
∂ 〈O〉
∂φ̇0

(
ϕ̇− (∂iϕ)2

2φ̇0a2

)
+

1

2

∂2 〈O〉
∂φ̇2

0

ϕ̇2 +
1

2νO

∂νO

∂φ̇0

ϕ̇δOS + . . . , (4.4)

which extends eq. (3.10) to second order in perturbations.

We stress again that, once the ϕ̇ term in the response is present, the nonlinearly realized

Lorentz symmetries guarantee that also a −(∂iϕ)2/(2φ̇0a
2) term with fixed coefficient is

present in δOR [20]. This is not necessarily true for ϕ̇2, as it is “contaminated” by other

contributions.22 As we will see, the last term in (4.4) will provide the leading contribution

to non-Gaussianity if γ/H is not very large.

22The situation is very similar to the EFT of inflation where the coefficient of π̇(∂iπ)2 term in the action,

unlike π̇3, is fixed by the quadratic action.
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Plugging eq. (4.4) back into eq. (4.1), we find

ϕ̈+ (3H + γ)ϕ̇− ∂2
i ϕ

a2
+ V ′′ϕ+

1

2
V ′′′ϕ2 − γ (∂iϕ)2

2ρfa2

+
1

ρf2

[
1

2ρf
(m2

X +m2
XX) 〈O〉+m2

X

∂ 〈O〉
∂φ̇0

+
ρf

2
m2∂

2 〈O〉
∂φ̇2

0

]
ϕ̇2

= − 1

f

(
m2 +m2

X

ϕ̇

ρf

)
δOS −

m2

2f

∂ ln νO

∂φ̇0

ϕ̇δOS , (4.5)

where the friction coefficient γ can be read off from eq. (3.12). Assuming m2
XX ∼ m2

X ∼ m2,

and using eq. (2.29) for 〈O〉, ∂〈O〉
∂φ̇0
' 2πξ 〈O〉 /ρf and ∂(ln νO)/∂φ̇0 ' (4πξ)/(ρf), eq. (4.5)

takes approximately the form

ϕ′′+(2H+γ)aϕ′−∂2
i ϕ+a2V ′′ϕ ' γ

2ρf
[(∂iϕ)2−2πξϕ′2]−a2m

2

f

(
1 + 2πξ

ϕ′

aρf

)
δOS , (4.6)

where we switched to conformal time. We have neglected the self-interaction term V ′′′ in

the final form as it is not relevant in this analysis. To obtain non-Gaussianity we must solve

this equation including the nonlinear terms which will be the topic of the next subsection.

Before moving into the details, we fix the notation: we parametrize the three-point

function of the comoving curvature perturbation ζ = −H
φ̇0
ϕ (in the spatially flat gauge) as

〈ζ~k1ζ~k2ζ~k3〉 = (2π)3δ(~k1 + ~k2 + ~k3)B(k1, k2, k3) . (4.7)

Ignoring deviations from scale invariance, we define the amplitude in the equilateral con-

figuration as

f eq
NL ≡

10

9

k6B(k, k, k)

(2π)4∆4
ζ

, (4.8)

where ∆2
ζ is the power spectrum given in eq. (3.30). The shape can be parametrized in

terms of

S(x2, x3) ≡ (x2x3)2B(k1, x2k1, x3k1)

B(k1, k1, k1)
, (4.9)

where x2 = k2/k1 and x3 = k3/k1, and to avoid redundant configurations we restrict to

the region max(x3, 1− x3) ≤ x2 ≤ 1.

4.1 Nonlinear Evolution of Perturbations

The primary source of non-Gaussianity is due to nonlinear terms in eq. (4.6). To study

their effect we can solve eq. (4.6) perturbatively, following Ref. [20]. The leading-order

solution was already given in eq. (3.17) where we have neglected the vacuum fluctuations as

discussed in section 3.4. At the next-to-leading order (NLO), the solution to the quadratic

equation (4.6) can be analogously found in terms of the Green’s function:

ϕNLO
~k

(τ) = − 1

ρf

∫
dτ ′Gk(τ, τ

′)

∫
d3~p

(2π)3

[
γ

2
~p · (~k − ~p)ϕ~p(τ ′)ϕ~k−~p(τ

′)

+ πξγ ∂τ ′ϕ~p(τ
′)∂τ ′ϕ~k−~p(τ

′) + 2πξa(τ ′)
m2

f
∂τ ′ϕ~k−~p(τ

′)δOS(τ ′, ~p)

]
,

(4.10)
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where ϕ in the integrand is the leading-order solution in eq. (3.17) and Gk(τ, τ
′) is the

Green’s function (3.19). The three-point function from eq. (4.10) can be written as

〈ζ~k1ζ~k2ζ~k3〉 = −
(
H

ρf

)3 [
〈ϕNLO
~k1

ϕ~k2ϕ~k3〉+ {~k1 ↔ ~k2}+ {~k1 ↔ ~k3}
]
, (4.11)

where in this Section we assume that the statistics of δOS is Gaussian. The three different

quadratic operators on the right-hand side of (4.10) contribute to non-Gaussianity and we

will now study them separately.

Let us start by looking at the (∂iϕ)2 term in the equation of motion (4.6) or equivalently

the first term in brackets in eq. (4.10). After straightforward algebraic manipulations, the

three-point function at late times (τ → 0) is given by

B(∂iϕ)
2(k1, k2, k3) =

γ

H

(
H

ρf

m2

f

)4

ν2
O

∫
dτ1dτ2dτ3Gk1(0, τ1)Gk2(0, τ2)Gk3(0, τ3)×

×
[
~k2 · ~k3Gk2(τ1, τ2)Gk3(τ1, τ3) + 2 perms.

]
, (4.12)

where we have used Wick’s theorem to write the four-point function of the noise in terms of

the two-point function given in eq. (3.23). The amplitude in the equilateral configuration,

defined in eq. (4.8), is given by

f eq
NL = − 5

12

γ

H

(
4α−2Γ(α− 1)Γ(α)2

Γ(α− 1
2)Γ(2α− 1

2)

)−2 ∫ ∞
0

dy G̃(0, y)

(∫ ∞
y

dy′ G̃(0, y′)G̃(y, y′)

)2

.

(4.13)

Here we have defined G̃(−kτ,−kτ ′) ≡ k Gk(τ, τ ′) which only depends on the conformal time

through the scale invariant combination kτ , and we have changed the integration variable

to y = −kτ . The minus sign in eq. (4.13) appears since in the equilateral configuration
~k2 · ~k3 = −k2/2 is negative. Notice that (4.13) only depends on the ratio γ/H, which

appears through α = 3/2 + γ/(2H) both in the prefactor and in the Green’s functions. In

the limit of large γ/H it is possible to estimate numerically eq. (4.13) as

f eq
NL ' −

γ

4H
, (4.14)

in agreement with the general analysis of [20]. The numerical plot of f eq
NL as a function

of γ/H is shown in figure 4. We stress that the expression (4.14) for f eq
NL in terms of the

friction is enforced by nonlinear realization of Lorentz symmetries [20]. This is reminiscent

of the relation between non-Gaussianity and reduced speed of sound [11]. Note that also

the sign is the same in the two cases.

The shape of the bispectrum S(x2, x3) is parametrized in eq. (4.9). The numerical

computation of S(x2, x3) for the (∂iϕ)2 term is shown in figure 5. The dominant peak is

in the equilateral configuration. The squeezed limit k3 � k1, k2, or equivalently (x2, x3) '
(1, 0), is vanishing in the limit of scale invariance. This is consistent with the fact that the

model has a single clock that controls the end of inflation, and the produced χ particles do
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Figure 4. Absolute value of the amplitude (4.8) for the three-point correlator in the equilateral

configuration, computed from each quadratic operator in eq. (4.6), as a function of the induced

friction. A solid (dashed) curve means that f eqNL is positive (negative). For the contribution from

ϕ′2 and ϕ′δOS we need to specify the value of the growth exponent, for which we chose ξ = 2.

Figure 5. Shape function S(x2, x3) defined in eq. (4.9) for the nonlinear term (∂iϕ)2. The two

parameters are x2 = k2/k1 and x3 = k3/k1. The plot is produced for the value γ/H = 5.

not affect that. It thus satisfies the single-field consistency relations [7, 30, 31]. One can see

an enhancement in the collinear configuration, which does not grow for γ � H, as one may

have instead expected: for γ � H modes freeze well inside the horizon when the metric can

be taken to be Minkowski; in this limit one has to conserve both energy and momentum

and one gets correlation only among modes which are collinear. This logic however is not

correct. Even if the modes freeze in Minkowski space, their dynamics before freezing is

dominated by the friction term; they are not oscillating and energy is not conserved since

it is lost in the friction due to χ production.

The next nonlinear term in eq. (4.6) is ϕ′2. The coefficient of this term is not fixed

by symmetry and depends on the model. In the case under study it is approximately
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proportional to γξ. By using the second term appearing in eq. (4.10) in (4.11) we obtain

Bϕ′2(k1, k2, k3) = 2πξ
γ

H

(
H

ρf

m2

f

)4

ν2
O

∫
dτ1dτ2dτ3Gk1(0, τ1)Gk2(0, τ2)Gk3(0, τ3)×

× [∂τ1Gk2(τ1, τ2)∂τ1Gk3(τ1, τ3) + 2 perms.] . (4.15)

For the corresponding amplitude in the equilateral configuration defined in eq. (4.8) we get

f eq
NL =

5πξ

3

γ

H

(
4α−2Γ(α− 1)Γ(α)2

Γ(α− 1
2)Γ(2α− 1

2)

)−2 ∫ ∞
0

dy G̃(0, y)

(∫ ∞
y

dy′ G̃(0, y′)∂yG̃(y, y′)

)2

.

(4.16)

The numerical plot of (4.16) as a function of γ/H for fixed value of ξ is shown in figure 4.

The important point is that unlike the previous case the asymptotic value is more or less

independent of γ/H. In fact one can check numerically that the asymptotic value for

γ/H & 10 is simply given by23

f eq
NL ' 1.1 ξ . (4.17)

Therefore, for large enough values of the friction coefficient the contribution of ϕ′2 to the

bispectrum becomes subdominant.

Finally, the last contribution results from the operator ϕ′δOS , for which we find

Bϕ′δOS
(k1, k2, k3) = 2πξ

(
H

ρf

m2

f

)4

ν2
O

∫
dτ dτ ′ τ

{[
Gk2(0, τ)Gk3(0, τ ′)∂τGk3(τ, τ ′)

+ {k2 ↔ k3}
]
Gk1(0, τ) + 2 perms.

}
. (4.18)

The corresponding f eq
NL is given by

f eq
NL =

10πξ

3

(
4α−2Γ(α− 1)Γ(α)2

Γ(α− 1
2)Γ(2α− 1

2)

)−2 ∫ ∞
0

dy y G̃(0, y)2

∫ ∞
y

dy′ G̃(0, y′)∂yG̃(y, y′) .

(4.19)

Also in this case, as shown in figure 4, the value of f eq
NL approaches a constant for large

γ/H. One can check numerically that for γ/H & 10 we have24

f eq
NL ' −5.7ξ . (4.20)

Note that, as it is clear from eq. (4.6) and figure 4, for most values of γ/H, the dominant

contribution to f eq
NL comes from the ϕ′δOS term, unless γ/H & 20ξ. Notice also that unlike

the previous cases, this contribution does not vanish as γ/H → 0. The ϕ′δOS contribution

depends on ∂(ln νO)/∂φ̇0 ' (4πξ)/(ρf) and as such it has an order-one uncertainty. Its

size is about the same order of the present experimental uncertainty ∆f eq
NL ∼ 50: an

improvement of the experimental bounds is thus very crucial for this scenario. The plots

of the shapes for ϕ′2 and ϕ′δOS are shown in figure 6.

23More specifically, one can check that the value of the integral in eq. (4.16) is ≈ 0.04/(γ/H+0.75)(γ/H−
0.59) for γ/H & 10.

24More specifically, the integral in eq. (4.19) can be approximated as ≈ −0.1/(γ/H−0.59) for γ/H & 10.
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Figure 6. Shapes for the terms ϕ′2 (left) and ϕ′δOS (right).

4.2 Non-Gaussian Noise

Another source of deviation from Gaussianity comes directly from the non-Gaussian statis-

tics of the noise δOS . Using the leading-order solution (3.17), obtained in linear response

theory, we can compute at late times:

〈ϕ~k1ϕ~k2ϕ~k3〉 = −
(
m2

f

)3 ∫
dτ1 dτ2 dτ3 a(τ1)2a(τ2)2a(τ3)2Gk1(0, τ1)Gk2(0, τ2)Gk3(0, τ3)×

× 〈δOS(τ1, k1)δOS(τ2, k2)δOS(τ3, k3)〉 , (4.21)

which is the straightforward generalization of (3.20) to the three-point correlator. Following

the same logic as for eq. (3.23) for the two-point function of the noise, we get

〈δOS(τ1, k1)δOS(τ2, k2)δOS(τ3, k3)〉 ' (2π)3δ(~k1 + ~k2 + ~k3)δ(τ1 − τ2)δ(τ1 − τ3)H8τ8
1 νO3 ,

(4.22)

which is manifestly local in time and space, and is valid as long as we restrict to long-

wavelength perturbations by the locality approximation. The parameter νO3 controls the

amplitude of the non-Gaussianity of the noise and is fixed by the microscopic physics.

We have worked out the details of the calculation of the correlation functions of δOS in

appendix D. In particular, we find (see eq. (D.18))

νO3 '
e6πξ

π2m2
. (4.23)

Combining eqs. (4.21) and (4.23), and using the definition of the bispectrum in eq. (4.7),

we obtain

BO3(k1, k2, k3) =

(
H

ρf

m2

f

)3

νO3

∫
dτ

a(τ)2
Gk1(0, τ)Gk2(0, τ)Gk3(0, τ) . (4.24)

By using eq. (4.8), we get

f eq
NL =

5

18

∫
dy y2G̃(0, y)3(∫
dy G̃(0, y)2

)2

νO3H2

H
ρf

m2

f ν
2
O
, (4.25)
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where we have expressed the power spectrum in terms of the integral over the Green’s

function as in eq. (3.26). The last ratio in eq. (4.25) can be computed as

νO3H2

H
ρf

m2

f ν
2
O

=
16πξ

γ/H

m2

M2
, (4.26)

which implies

f eq
NL '

40π

9
ξ
m2

M2
, (4.27)

where we have used a numerical estimate for the integrals in eq. (4.25). Unlike in the

previous cases discussed in section 4.1, this contribution is typically expected to be smaller

than unity (at most order-one if the separation between m and M is not too large), as a

result of the hierarchy (2.16).

5 Conclusions and Future Directions

In this work, we have introduced a model of dissipative inflation with scalar particle produc-

tion. As opposed to previous implementations based on a coupling to gauge fields [16, 32],

in our model particle production takes place on parametrically sub-horizon scales. As we

discussed, this has multiple advantages. First of all, a local approximation in the dynamics

prevents the system from developing nonlocal responses and memory effects, which may

induce unwanted large oscillations in the background solution. In addition, by virtue of

the central limit theorem and the large occupation on short scales, the statistics of the

perturbations is naturally close to Gaussian. This makes the predictions compatible with

the observational constraints without the need for extra ingredients or assumptions. As a

result, we have mostly been able to proceed analytically. We have obtained the expression

(3.30) for the power spectrum as a function of the scales in the problem, and calculated the

size of non-Gaussianity (section 4) with the leading contribution to f eq
NL given by eq. (4.19).

Importantly, the size of the f eq
NL is always large provided that cosmological perturbations are

sourced by the ADOF. The size is indeed at reach of current and upcoming non-Gaussianity

searches. In the limit of very large friction, (γ/H) & 100, the leading contribution would

instead come from eq. (4.14) which is determined by the nonlinearly realized Lorentz in-

variance. The model (2.1) is made robust by an approximate shift invariance on φ and a

softly-broken global U(1) symmetry of the ADOF, which protects the inflaton potential

and the hierarchy (2.16) against large radiative corrections. In this sense, our model is, to

the best of our knowledge, the first robust explicit example realizing the EFT of dissipative

inflation of Ref. [20].

Our results suggest a number of interesting future research directions. First of all,

it would be interesting to study tensor modes in the model (2.1). It is well known that

vacuum fluctuations of the graviton field during inflation might not be the only source con-

tributing to the tensor power spectrum and B-mode polarization in the cosmic microwave

background. Secondary gravitational waves can be produced as a result of an instability
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in the system, which converts a sizeable fraction of the inflaton’s energy density into an

extra sector coupled to it, which is, in turn, responsible for sourcing gravitational radi-

ation. From a qualitative viewpoint, as opposed to cases like axion inflation where the

process occurs coherently over Hubble scales [16, 33–36], in our model graviton emission

can happen locally through decay or scattering of the ADOF fields after they are produced

on sub-horizon scales [37, 38]. A precise estimate of the strength of gravitational waves in

terms of the various scales appearing in (2.1) requires however a dedicated study and is

left for future work.

In this paper, we mostly focused on the regime in which the χ production gives a

sizeable backreaction, i.e. friction, on the rolling inflaton background. In this regime, the

exponential growth of the χ modes is automatically limited by the backreaction that slows

down the inflaton background. The situation is different if one considers a regime of weak

backreaction: in this case, the χ production is exponentially sensitive to the parameters

of the background solution. Even a tiny time dependence of the background parameters

will give a large deviation from scale invariance in the ADOF production. In analogy with

the case of gauge-field instability, one is naturally led to consider a scenario that starts

from a small backreaction at large scales and evolves to a large backreaction later on, as

a consequence of the exponential sensitivity [35]. This can induce an enhancement in the

scalar power spectrum on short scales and therefore be relevant for primordial black hole

formation (for a review of the production mechanisms see [39]) and for gravitational-wave

production on scales of interest for the future interferometers [34]. An important negative

aspect of the scalar production we are discussing is the loss of chirality of the gravitational

waves, which is a striking signature of the gauge field production. Conversely, one has

the big advantage of avoiding the background instability recently found in these models

[19, 26, 27, 29].

In addition, it would be interesting to explore the possibility of thermalization in

our model, with the produced ADOF particles eventually reaching a nonzero temperature

phase. In such a ‘multi-fluid’ scenario, where a hot plasma coexists with the inflaton,

nontrivial effects may occur. The interaction with the plasma may alter the instability and

the evolution of the system, potentially affecting reaching an equilibrium configuration.

Even when an attractor at nonzero temperature can be reached, the thermalization process

is expected anyway to be qualitatively different from heating by sphalerons in the non-

abelian minimal warm inflation case [14], where the inflaton couples to a Yang–Mills gauge

group. It would be interesting to see how this may affect for instance the shape and size of

non-Gaussianity, and compare it with previous works in this context, e.g., [13–15, 40, 41],

as well as to study gravitational-wave production in the thermal phase in our model [42].

On more general grounds, our work can also be thought of as a proof of concept that,

as one may have expected, dissipative inflation is not an exclusive feature of couplings to

gauge fields, but can be realized more in general. Aside from scalars, it will be worth in

the future exploring the case of other spins, such as fermions. In the small-backreaction

regime, the analysis of the power spectrum and non-Gaussianity from fermion production
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during axion inflation has been done in Ref. [18].

Finally, although considering generic functions of (∂φ)2, we included in (2.1) only

quadratic operators in χ. Self-interactions of the ADOF are on the other hand generically

expected to be generated quantum mechanically through coupling to φ and one may wonder

how they can affect the particle production. We leave this and the other open questions

for future work.
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A Canonical Quantization of ADOF

In this section, we briefly review the canonical quantization procedure for the ADOF fields

σ1 and σ2 in (2.5) neglecting inflaton perturbations. The Lagrangian for the ADOF is

given by

L =− 1

2
(∂σ1)2 − 1

2
(∂σ2)2 +

1

2

(
M2 +

9H2

4
−m2

)
σ2

1 +
1

2

(
M2 +

9H2

4
+m2

)
σ2

2

+ ρ(σ1σ̇2 − σ2σ̇1) .

(A.1)

Note that because of the coupling between the fields we cannot quantize them separately

(see also [43]). The conjugate fields are

π1 ≡
δL
δσ̇1

= σ̇1 − ρσ2 , π2 ≡
δL
δσ̇2

= σ̇2 + ρσ1 . (A.2)

The standard commutation relations,

[σi(t, ~x), σj(t, ~x
′)] = 0, [σi(t, ~x), πj(t, ~x

′)] = iδijδ(~x− ~x′), [πi(t, ~x), πj(t, ~x
′)] = 0, (A.3)

can be rewritten as,

[σi(t, ~x), σj(t, ~x
′)] = 0 , [σi(t, ~x), σ̇j(t, ~x

′)] = iδijδ(~x−~x′) , [σ̇i(~x), σ̇j(~x
′)] = −2(τ2)ijρδ(~x−~x′) ,

(A.4)

in which τ2 is the second Pauli matrix. Note that the last set of commutation relations are

not the standard ones because of the last term in eq. (A.1), which modifies the conjugate

fields. One could remedy this by equivalently working with the rotated field basis

σ̃i(t, ~x) = Rij(t)σj(t, ~x) , R =

(
cos(ρt) − sin(ρt)

sin(ρt) cos(ρt)

)
. (A.5)
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The effect of the time-dependent orthogonal transformation (A.5) is to remove the deriva-

tive mixing in the Lagrangian (A.1). The drawback is however that the equations of motion

for σ̃i involve oscillating functions of ρt, which complicates an analytic treatment of the

mode functions (see appendix B). Therefore, we work with the unrotated σ fields.

Following the standard treatment, we decompose the fields in terms of creation and

annihilation operators as

σi(t, ~x) =

∫
d3~k

(2π)3
ei
~k·~x
[
(Fk(t))ij âj(~k) + (F ∗k (t))ij â

†
j(−~k)

]
, (A.6)

where we have packed the mode functions into a 2×2 matrix Fk(t), which depends on k = |~k|
and t, and where âi(~k) and â†i (

~k) are annihilation and creation operators, respectively.

Requiring the validity of the commutation relations (A.4), along with

[âi(~k), â†j(
~k′)] = (2π)3δijδ(~k − ~k′) , (A.7)

implies25

FkF
∗T
k − F ∗kF Tk = 0 , (A.8a)

FkḞ
∗T
k − F ∗k Ḟ Tk = i1 , (A.8b)

ḞkḞ
∗T
k − Ḟ ∗k Ḟ Tk = −2ρτ2 . (A.8c)

The mode functions satisfy the same equations of motion as the fields,

F̈k +

(
0 −2ρ

2ρ 0

)
· Ḟk +

(
k2

a2
−M2 − 9

4H
2 +m2 0

0 k2

a2
−M2 − 9

4H
2 −m2

)
· Fk = 0 . (A.9)

Note that (A.8) and (A.9) are not all independent. For instance, taking the time derivative

of (A.8b), and using first eq. (A.8c) and then the equation of motion (A.9), one recovers

the condition (A.8a).

The initial conditions are fixed at very early times when k/a is very large. One can

then neglect the mixing terms in (A.9) and treat the fields σi as just standard plane waves

in Minkowski space. Imposing the Bunch–Davies initial conditions amounts to choosing

the positive-frequency solution only for each σi. In terms of the mode function Fk that

solves (A.9), we require

Fk(t→ −∞)→ e−ikτ√
2k/a

(
1 0

0 1

)
, (A.10)

where τ is the conformal time, dτ = dt/a(t).26

25Note that the right-hand side of (A.8c) is nonzero because σ̇i are not the canonical conjugate fields

to σi. One would have found the right-hand side of (A.8c) to vanish in the rotated basis σ̃i, defined in

eq. (A.5).
26The factor of a1/2 in (A.10) may look unfamiliar. It arises because we used cosmic time, instead of

conformal time, to write the canonically normalized Lagrangian for σ1 and σ2.
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B WKB Solution for the Mode Function Matrix F

In this appendix, we derive the WKB solution of eq. (A.9). The final result is also sum-

marized in eq. (2.11) in the main text. Note that each column of the matrix Fk solves the

same equation (A.9). Therefore, to obtain the general form of the solution, we can just

replace Fk in eq. (A.9) with a 2-vector, which we will call ~Fcolumn, and solve for it. The full

solution for Fk can be constructed afterward by replacing each column of Fk with ~Fcolumn,

and imposing the boundary conditions (A.10).

We can find the zeroth-order eikonal approximation for ~Fcolumn by assuming that the

coefficients of the equation (A.9) depend weakly on t and that all the time dependence in

the vector ~Fcolumn comes from a common phase factor (see e.g. [28]), i.e.,

~Fcolumn = ~Q(t) exp

(
−i
∫

dt ω(t)

)
. (B.1)

This essentially amounts to neglecting the expansion of the Universe at the leading order. In

this limit, eq. (A.9) becomes a set of coupled ordinary differential equations with constant

coefficients. Plugging (B.1) in eq. (A.9), and neglecting derivatives of ω and ~Q, at the

leading order we obtain the following algebraic system of equations:

D(ω) · ~Q ≡

(
−ω2 + k2

a2
−M2 − 9H2

4 +m2 2iρ ω

−2iρ ω −ω2 + k2

a2
−M2 − 9H2

4 −m
2

)
· ~Q = 0 . (B.2)

This can be satisfied nontrivially only if the determinant of the matrix D is zero, which

yields the following values for ω (see also eqs. (2.7) and (2.8) in the main text):

ω2
± =

(√
k2

a2
+ µ2 ± ρ

)2

− m4

4ρ2
, µ2 ≡ ρ2 −M2 − 9H2

4
+
m4

4ρ2
. (B.3)

The eigenvectors associated with the zero eigenvalues ω± of D are then given by,

~Q± ∝

(
2iρω±

ω2
± − k2

a2
+M2 + 9H2

4 −m
2

)
. (B.4)

In (B.4) there is an overall time-dependent prefactor, which we did not write explicitly.

This can be fixed by considering the next-to-leading order (NLO) of the WKB expansion,

which requires keeping the time derivatives of ω and ~Q. To this end, let us first redefine

for convenience the amplitude in eq. (B.1) as ~Qfull and expand it as follows,

~Qfull = ~Q± + ~QNLO + . . . , (B.5)

where ~Q± are the leading solutions (B.4), while ~QNLO captures subleading terms of the

same order of ~̇Q± and ω̇. Expanding eq. (A.9) to NLO yields

D(ω±) · ~QNLO − iω̇± ~Q± − 2i

(
ω± −iρ
iρ ω±

)
~̇Q± = 0 , (B.6)

– 33 –



where the matrix D is the same as in eq. (B.2). Let us now multiply the equation (B.6)

from the left by ~Q†±. Since D(ω±) is Hermitian and solves D(ω±) · ~Q± = 0, the first term

in (B.6) becomes zero, while the remaining terms can be rearranged as follows,

d

dt

[
~Q†±

(
ω± −iρ
iρ ω±

)
~Q±

]
= 0 . (B.7)

Combining this with eq. (B.4), we can now solve for the time-dependent prefactor of ~Q±

and find

~Q± ≡
1

2
√

2
(
k2

a2
+ µ2

)1/4

(
u±

∓ i
u±

)
, u± ≡

 ω±√
k2

a2
+ µ2 ±

(
ρ− m2

2ρ

)


1/2

. (B.8)

Note that there is still an undetermined, overall constant factor in ~Q± in (B.8), which will

be fixed by the boundary condition (A.10).

So far, with the ansatz (B.1), we have only taken into account the positive-frequency

solutions with exp
(
−i
∫
ω
)
. Everything we have said above is also valid for the negative-

frequency solutions with exp
(
+i
∫
ω
)

with an appropriate complex conjugation. Thus, the

final WKB result for Fk, to next-to-leading order, can ultimately be written as

Fk =
∑
λ=±

(
c

(1)
λ
~Qλ e− i

∫
ωλ + d

(1)
λ
~Q∗λ e+ i

∫
ωλ , c

(2)
λ
~Qλ e− i

∫
ωλ + d

(2)
λ
~Q∗λ e+ i

∫
ωλ

)
, (B.9)

where we have summed over the ω± modes, as well as the positive and negative-frequency

solutions. c(i) and d(i), where the superscript i labels the columns of Fk, are constant

coefficients.

B.1 Validity of the WKB Approximation

The WKB approximation is valid as long as |ω̇/ω2| � 1. In this section, we check this

condition for the ω− mode.27 Recall that we are interested in the case in which ω2
− becomes

negative, triggering an instability in the ADOF sector, over a finite duration of time for

each k-mode (see, e.g., figure 1). We shall separate the analysis into three different steps,

reflecting the three regions of figure 1: early times (t < t1), intermediate times (t1 < t < t2),

and late times (t > t2).

Let us start from t < t1. Using the expression for ω− given in eq. (B.3) one can see

that, at very early times, ∣∣∣ ω̇−
ω2
−

∣∣∣ ∼ aH

k
.
H

M
� 1 , (B.10)

where we used that, for t < t1, k/a & M (see eq. (2.10)) and that M � H (see the

discussion in section 2.2 and, in particular, eq. (2.12)). At late times, after the second

27We will not discuss the ω+ mode explicitly since it is straightforward to check, following analogous

considerations, that its WKB solution is valid at all times during the evolution.
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turning point (t > t2), we find instead∣∣∣ ω̇−
ω2
−

∣∣∣ ∼ Hk2

a2M3
.
H

M
� 1 , (B.11)

where we assumed that ρ ∼ M and used that ω− ∼ M for k/a . M (see section 2.2 for

more details about the scales). Inside the instability region (t1 < t < t2), the ratio can be

roughly estimated as ∣∣∣ ω̇−
ω2
−

∣∣∣ ∼ HM2

m2ρ
∼ 1

8ξ

m2

ρM
� 1 , (B.12)

where we introduced ξ ' m4/(8HρM2) (see eq. (B.19) below and the conditions (2.16)).

Clearly, these estimates are valid as long as t is sufficiently far from t1 and t2. Close to the

turning points, ω2
− ' 0 and the ratio |ω̇−/ω2

−| formally diverges, signalling a breakdown

of the WKB approximation. How far from the turning points t has to be in order for

the WKB expansion to remain valid can be easily estimated by Taylor expanding ω2
− '

[dω2
−/dt]t=tj (t − tj), for j = 1, 2, and using (B.3). The final result is that |ω̇−/ω2

−| � 1

provided that H|t − tj | � (H/m)2/3. As a consistency check, note that the lower bound

for |t− tj | is much less than a Hubble time, and is also small compared to the width ∆t of

the instability band: (H/m)2/3/(H∆t) ∼ (M3H/m4)2/3 ∼ 1/(4 ξ2/3) � 1, where we used

eq. (2.13) and the expression (B.19) for ξ with ρ ∼M .

As long as H|t − tj | � (H/m)2/3, we can thus apply (B.9). The problem is hence

reduced to finding a matching procedure at the turning points that allows us to determine

the unknown coefficients c(i) and d(i) in (B.9). This will be the content of the next subsec-

tions. The final result is summarized in eq. (2.11) in the main text. A comparison between

the WKB result (2.11) and the numerical solution of the equation (A.9) is also displayed

in figure 7. Notice that the agreement is always very good except close to the edges of

the grey bands, corresponding to the turning points t1 and t2, where the WKB solution

(dashed lines in figure 7) breaks down, as discussed above.

B.2 Matching Conditions at the Turning Points and Growth Factor

Early-time WKB solution. Starting from the general solution (B.9) and imposing the

Bunch–Davies initial condition (A.10) yields the following result for Fk(t) at times t < t1:

Fk =

(
~Q+ , i ~Q+

)
e−i

∫ t ω+ +

(
~Q− , −i ~Q−

)
e−i

∫ t ω− . (B.13)

Matching at the first turning point. For intermediate times t in the interval t1 <

t < t2, ω− is purely imaginary—recall that ω+ instead remains real throughout the whole

evolution. Neglecting the exponentially decreasing solution and the oscillatory ω+ modes—

which do not get amplified—the form of the WKB solution inside the instability band, from

eq. (B.9), is

Fk =

(
b1 ~Q− , b2 ~Q−

)
e

+
∫ t
t1
|ω−| , (B.14)
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Figure 7. We show the real and imaginary parts of the entries in the first column of the matrix

Fk that solves (A.9). In particular, we compare the WKB solution (dashed lines) in eq. (2.11) with

the numerical solution (solid lines), given the initial conditions (A.10). The grey bands correspond

to the instability region, where ω2
− ≤ 0.

where b1 and b2 are constant coefficients, which we shall fix by matching with (B.13) at

t = t1. In (B.14), the expression for the vector ~Q− can be read off from eq. (B.8), where

the frequency ω− should be understood as ω− 7→ i|ω−|. To find b1 and b2, we will follow

the procedure of Refs. [44, 45], which consists of performing an analytic continuation of the

solution in complex t−plane. Starting from the solution at t < t1, instead of matching with

the solution valid at t > t1 by approaching the turning point t1 along the real axis, we shall

instead walk around it by following a semicircle in the complex plane, as in figure 8. The

radius of the contour has to be sufficiently large such that the WKB expansion remains

valid (see the subsection B.1 above for more quantitative considerations), but small enough

so that we can expand

ω− ≈ κ1(t1 − t)1/2 , ~Q− ≈
1

2
√

2ρ+m2/ρ

(
0

im/
√
ρκ1

(t1−t)1/4

)
, for |t− t1| → 0 , (B.15)

where we have defined κ1 =
√

2Hm2(M2+m2)
2ρ2+m2 > 0.28 Comparing the analytic continuation
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Figure 8. Analytic continuation and contours in the complex t−plane. The red circles denote

the location of the turning points. In the cyan region, the WKB approximation breaks down, and

analytic continuation, along with matching, is done avoiding that region.

of the solution (B.13) along the semicircle in figure 8 with eq. (B.14), we get the matching

conditions

b1 = ib2 = e−iθ1 , (B.16)

where θ1 is the accumulated phase up to the first turning point, θ1 ≡
∫ t1 dt′ ω−(t′). Plug-

ging (B.16) into (B.14) yields the expression in the second line of (2.11).

Once inside the instability region t1 < t < t2, the mode (B.14) starts growing expo-

nentially. The final relative amplification at t = t2 can be easily computed as

πξ ≡
∫ t2

t1

dt′ |ω−(t′)| =
∫ √M2−m2

√
M2+m2

dkph

Hkph
|ω−| , kph ≡

k

a
, (B.17)

which, using eq. (B.3), admits a closed-form solution:

ξ =
1

H

ρ−
√√√√
ρ2 −

M2 + 9H2

4 −
√

(M2 + 9H2

4 )2 −m4

2

 . (B.18)

This expression can be simplified using the hierarchy (2.16) in section 2.2, from which we

obtain

ξ ' m4

8HρM2
. (B.19)

Matching at the second turning point. Similarly to the previous case, the expression

for Fk at times t > t2 can be read off from eq. (B.9), where we shall neglect the ω+ modes,

which are exponentially suppressed compared to the ω− modes. We can thus write, for

t > t2,

Fk =

(
c1
~Q− , c2

~Q−

)
e
−i

∫ t
t2
ω− +

(
d1
~Q∗− , d2

~Q∗−

)
e

+i
∫ t
t2
ω− , (B.20)

where c1, c2, d1 and d2 are constant coefficients. To fix them, we shall proceed as before

by analytically continuing the solution (B.14) and matching with (B.20) across t = t2.

The only difference is that, in order to reproduce the positive and negative-frequency

components of (B.20), we now have to analytically continue (B.14) along two different

28Eq. (B.15) is valid both when t approaches t1 both from above (t → t+1 ) and when it approaches it

from below (t → t−1 ). When t → t+1 , the denominator in the second entry of ~Q− should be interpreted as

(t1 − t)1/4 = ei
π
4 |t1 − t|1/4. Similar considerations will apply to eq. (B.21) below for the second turning

point.
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semicircles, one in the upper half and one in the lower half of the complex t−plane [44, 45]—

see figure 8. Let us first Taylor expand around t2,

ω− ≈ κ2(t− t2)1/2 , ~Q− ≈
1

2
√

2ρ−m2/ρ

(
im/
√
ρκ2

(t−t2)1/4

0

)
, for |t− t2| → 0 , (B.21)

where we have now defined κ2 =
√

2Hm2(M2−m2)
2ρ2−m2 > 0. Then, going along the upper contour

in figure 8, one gets the exp
(
+i
∫
ω−
)

solution, which allows to fix d1 and d2 in terms of

b1. Following the lower contour allows instead to find c1 and c2.29 The final result of the

matching is

c1 = ic2 = eπξ b1 , d1 = id2 = i eπξ b1 . (B.22)

C Background Expectation Value of O

In this section, we provide more details on the estimate (2.29) for the expectation value of

the operator O ≡ −i(χ2 − χ∗2) on the background. In particular, we will check the sign

of the last term in eq. (2.22) and show that it is consistent with the sign of the standard

Hubble friction Hφ̇0.

From eq. (2.28), we can write

− im2

f

〈
χ2 − χ∗2

〉
=

m2

2π2fa3

∫ ∞
0

dk k2[Fk(t) · F †k (t)]12 . (C.1)

Using the WKB solution (2.11) with (B.8), and restricting the integral in (C.1) over the

instability band—which provides the leading contribution to (C.1)—we have:

Fk(t1 < t < t2) =
e−iθ1

2
√

2
(
k2

a2
+ µ2

)1/4

(
u− −iu−
i
u−

1
u−

)
e
∫ t
t1
|ω−|dt , (C.2)

− im2

f

〈
χ2 − χ∗2

〉
' m2

8π2f

∫ M2+m2

M2−m2

d(ka) k
2

a2(
k2

a2
+ µ2

)1/2

−iu2
−

|u−|2
e

2
∫ t
t1
|ω−|dt . (C.3)

Now, notice that, from eq. (B.3),

ω2
− =

(√
k2

a2
+ µ2 − ρ− m4

4ρ2

)(√
k2

a2
+ µ2 − ρ+

m4

4ρ2

)
< 0 (C.4)

for t1 < t < t2. Thus, it follows in particular that

− iu2
− =

|ω−|√
k2

a2
+ µ2 − ρ+ m2

2ρ

> 0 . (C.5)

As a result, (C.1) is a finite integral of a positive function, therefore − im2

f

〈
χ2 − χ∗2

〉
> 0.

29Note that, in the latter case, one has to cross a branch cut, which is responsible for the relative phase

between dj and cj (j = 1, 2) in eq. (B.22).
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D Statistics of the Noise

In this section we study the correlation functions of the stochastic part of the operators

that appear in our model. All the operators that are quadratic in the ADOF fields in our

model can be cast in the compact form

O =
1

a3
Aijσiσj , (D.1)

where the matrix A defines the operator and we are implicitly summing over repeated

indices. For instance, for O = −i(χ2 − χ∗2), the matrix A is

A =

(
0 1

1 0

)
. (D.2)

The expectation value of the operator is then given by the expression

〈O〉 =
1

a3

∫
d3~k

(2π)3
Tr
(
ATFkF

†
k

)
, (D.3)

where Fk is the mode functions matrix given in eq. (2.11) (see appendix B for more details).

The stochastic part of the operator is defined as the deviation from its expectation value,

i.e., δOS ≡ [O − 〈O〉]ϕ=0. As discussed in the main text, we are interested in O =

−i(χ2−χ∗2). Therefore, in the following we will concentrate on the case (D.2) and we will

only briefly comment on the behavior of the other operators.

Two-point Function

We are interested in computing the two-point function in Fourier space. After some

straightforward algebra, we obtain

〈δOS(t,~k)δOS(t′,~k′)〉 =
(2π)3δ(~k + ~k′)

a(t)3a(t′)3

∫
d3~p

(2π)3
Tr
[
ATFp(t, t

′)(A+AT )F T
|~k−~p |(t, t

′)
]
,

(D.4)

where we introduced

Fp(t, t
′) ≡ Fp(t)F †p (t′) . (D.5)

We get an exponential enhancement if both modes with momenta ~p and ~k − ~p have gone

through the instability band or are just about to leave it. Therefore, in order to evaluate

F from eq. (D.5) we can use the late-time WKB solution for F given in last line of

eq. (2.11). One can check that the contribution from the modes inside the instability band

only changes the final result by an O(1) amount. By direct calculation one obtains

Fp(t, t
′) =

e2πξ

4
[
( p

2

a2
+ µ2)( p

2

a′2 + µ2)
]1/4

|u−u′−|(EE′∗ + iEE′) |u−
u′−
|(iEE′∗ + EE′)

|u
′
−
u−
|(−iEE′∗ + EE′) 1

|u−u′−|
(EE′∗ − iEE′)

+c.c. .

(D.6)
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In the above expression we have introduced the oscillating phase

E ≡ e
−i

∫ t
t2(p)

ω−(t̃)dt̃
, (D.7)

where t2(p) is defined as the time at which the mode with momentum p exits the instability

band. In addition, the expression for u− can be read off from eq. (B.8). Note that the

prime symbol in (D.6) is just a shorthand, meaning that in the argument of the function t

is replaced by t′, and it should not be confused with a derivative with respect to conformal

time. Note also that in (D.6) we have neglected the exponentially subdominant mode

associated with the ω+ solution.

In the expression (D.4) we have two factors of F computed at two different scales,

associated with p and q ≡ |~k − ~p|. However, we will eventually be interested in the

correlation functions of the noise at large separations of points, i.e., for k much smaller

than p and q. Therefore, in the following, we shall neglect k and just set q ' p.
For the operator of interest O = −i(χ2 − χ∗2), the expression (D.4) reduces to

〈δOS(t,~k)δOS(t′,~k′)〉 =
4(2π)3δ(~k + ~k′)

a(t)3a(t′)3

∫
d3~p

(2π)3

[
(Fp)11(F|~k−~p|)22 + (Fp)12(F|~k−~p|)21

]
(t, t′)

' (2π)3δ(~k + ~k′)
2 e4πξ

a(t)3a(t′)3

∫
d3~p

(2π)3

cos
(

2
∫ t
t2(p) ωp

)
cos
(

2
∫ t′
t2(p) ωp

)
[
( p2

a(t)2
+ µ2)( p2

a(t′)2 + µ2)
]1/2 ,

(D.8)

where in the second line we have used eq. (D.6) and the approximation q ' p. Using simple

trigonometric identities, the oscillating factors in the integrand can be recast in the form

1

2

[
cos

(
2

∫ t

t′
ωp

)
+ cos

(
2

∫ t

t′
ωp + 4

∫ t′

t2(p)
ωp

)]
. (D.9)

Both terms are oscillating for generic values of t and t′. This implies in particular that

the integral in (D.8) averages the oscillations to zero and becomes negligible when the

difference ∆t ≡ t− t′ is large. Instead, for small separations ∆t, one gets

〈δOS(t,~k)δOS(t′,~k′)〉′ ' e4πξ

4π2a3

∫ ∼M
dx

x2

x2 + µ2

(
e−2iω(x)∆t + c.c.

)
, (D.10)

where we have defined x ≡ p/a and where the upper limit of integration is given the

position of the instability band
√
M2 −m2 ∼ M . Since in this range ω(x) is a decreasing

function of x (until it becomes zero at x =
√
M2 −m2) the integral is dominated by its

upper limit. Expanding around the upper limit,

ω(x) ≈

(
2m2
√
M2 −m2

2ρ2 −m2

)1/2√√
M2 −m2 − x . (D.11)

Then, the result of the integral can be approximated as∫ ∼M
dx

x2

x2 + µ2

(
e−2iω(x)∆t + c.c.

)
≈ M

m

sin(2m∆t)

∆t
. (D.12)
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We are interested in cases ∆t ∼ 1/H so that m∆t� 1. In this limit we can use the formal

identity sin(x/ε)
x → πδ(x), which holds in the limit ε→ 0.30 Finally we get

〈δOS(t,~k)δOS(t′,~k′)〉 ' (2π)3δ(~k + ~k′)
δ(t− t′)
a3

(
e4πξ

4π2

M

m

)
. (D.13)

Three-point Function

In this section, we derive the three-point function of the noise, which we used in section 4.2

to estimate the non-Gaussianity induced on ϕ within linear-response theory. Similarly to

the evaluation of power spectrum, after some straightforward algebra, we get

〈δOS(t,~k)δOS(t′,~k′)δOS(t′′,~k′′)〉′ =

=
8

a(t)3a(t′)3a(t′′)3

∫
d3~p

(2π)3
Tr
[
AFp(t, t

′)AF|~k′+~p|(t
′, t′′)AF T

|~k−~p|(t, t
′′)
]
, (D.14)

where we have assumed that A is a symmetric matrix. Once again we are interested in

O = −i(χ2 − χ∗2). By analogous considerations as in the case of power spectrum, we can

neglect k, k′ with respect to p. First, let us look at the modes after the instability band.

Using the WKB solution (2.11) we obtain for the integrand of eq. (D.14):

e6πξ
cos
(

2
∫ t
t2(p) ωp

)
cos
(

2
∫ t′
t2(p) ωp

)
cos
(

2
∫ t′′
t2(p) ωp

)
[
( p2

a(t)2
+ µ2)( p2

a(t′)2 + µ2)( p2

a(t′′)2 + µ2)
]1/2 . (D.15)

As a result, it is easy to see that for large separation among the three times t, t′ and t′′ the

integrand is highly oscillating and makes therefore the integral (D.14) negligible. Hence, we

shall set t = t′ = t′′ to evaluate the leading contribution to the integral. The most relevant

modes are the ones that just came out of the instability band and are slowly varying at t.

Thus, each of the cosines can be approximated as

cos

[
m

√
M − x
M

(t− t2(p))

]
= cos

[
m

H

√
M − x
M

log
M

x

]
∼ cos

[
m

H

(
M − x
M

)3/2
]
,

(D.16)

where in the first step we rewrote t− t2(p) in terms of the comoving momentum x = p/a,

while in the second one we made an approximation valid close to the instability band

x ∼M . One can now do the integral over momenta and get

〈
δO3

S

〉′
t=t′=t′′

' 4 e6πξ

a6π2

∫ ∼M
dx

x2

(x2 + µ2)3/2
cos3

(
m

H

(
M − x
M

)3/2
)
' e6πξ

a6π2

(
H

m

)2/3

.

(D.17)

This gives the correlation of the noise at equal times; in order to write it at different times

one needs to estimate how fast the correlation decays when say t and t′ are separated.

30The more precise statement is that limε→0

∫
dx sin(x/ε)

πx
f(x) = f(0) for any smooth function f . Therefore

in this limit, we can treat the sinc function as a delta function.
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The integral in x above gets contribution for (M − x)/M . (H/m)2/3. In this range

the frequency of oscillations of the modes is smaller than m(H/m)1/3: one starts seeing

cancellations when the difference in time t−t′ becomes of order m−1(H/m)−1/3. This gives

the width of the delta functions and we can approximate the correlation of the noise as

〈δOS(t,~k)δOS(t′,~k′)δOS(t′′,~k′′)〉 ' (2π)3δ(~k + ~k′ + ~k′′)
δ(t− t′)δ(t− t′′)

a6

e6πξ

π2

1

m2
. (D.18)

References

[1] BICEP, Keck Collaboration, P. A. R. Ade et al., “Improved Constraints on Primordial

Gravitational Waves using Planck, WMAP, and BICEP/Keck Observations through the 2018

Observing Season,” Phys. Rev. Lett. 127 (2021) no. 15, 151301, arXiv:2110.00483

[astro-ph.CO].

[2] CMB-S4 Collaboration, K. Abazajian et al., “CMB-S4: Forecasting Constraints on

Primordial Gravitational Waves,” Astrophys. J. 926 (2022) no. 1, 54, arXiv:2008.12619

[astro-ph.CO].

[3] LiteBIRD Collaboration, U. Fuskeland et al., “Tensor-to-scalar ratio forecasts for extended

LiteBIRD frequency configurations,” arXiv:2302.05228 [astro-ph.CO].

[4] D. H. Lyth, “What would we learn by detecting a gravitational wave signal in the cosmic

microwave background anisotropy?,” Phys. Rev. Lett. 78 (1997) 1861–1863,

arXiv:hep-ph/9606387.

[5] D. H. Lyth, C. Ungarelli, and D. Wands, “The Primordial density perturbation in the

curvaton scenario,” Phys. Rev. D 67 (2003) 023503, arXiv:astro-ph/0208055.

[6] G. Dvali, A. Gruzinov, and M. Zaldarriaga, “A new mechanism for generating density

perturbations from inflation,” Phys. Rev. D 69 (2004) 023505, arXiv:astro-ph/0303591.

[7] P. Creminelli and M. Zaldarriaga, “Single field consistency relation for the 3-point function,”

JCAP 10 (2004) 006, arXiv:astro-ph/0407059.
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ABSTRACT
Understanding the star formation rate (SFR) variability and how it depends on physical properties of galaxies is important
for developing and testing the theory of galaxy formation. We investigate how statistical measurements of the extragalactic
background light (EBL) can shed light on this topic and complement traditional methods based on observations of individual
galaxies. Using semi-empirical models of galaxy evolution and SFR indicators sensitive to different star formation timescales
(e.g., H𝛼 and UV continuum luminosities), we show that the SFR variability, quantified by the joint probability distribution of the
SFR indicators (i.e., the bivariate conditional luminosity function), can be characterized as a function of galaxy mass and redshift
through the cross-correlation between deep, near-infrared maps of the EBL and galaxy distributions. As an example, we consider
combining upcoming SPHEREx maps of the EBL with galaxy samples from Rubin/LSST. We demonstrate that their cross-
correlation over a sky fraction of 𝑓sky ∼ 0.5 can constrain the joint SFR indicator distribution at high significance up to 𝑧 ∼ 2.5 for
mass-complete samples of galaxies down to 𝑀∗ ∼ 109 𝑀�. These constraints not only allow models of different SFR variability
to be distinguished, but also provide unique opportunities to investigate physical mechanisms that require large number statistics
such as environmental effects. The cross-correlations investigated illustrate the power of combining cosmological surveys to
extract information inaccessible from each data set alone, while the large galaxy populations probed capture ensemble-averaged
properties beyond the reach of targeted observations towards individual galaxies.

Key words: galaxies: star formation – cosmology: cosmic background radiation – infrared: diffuse background

1 INTRODUCTION

Both observations of star-forming galaxies at different cosmic epochs
(Weisz et al. 2012; Emami et al. 2019; Faisst et al. 2019) and galaxy
simulations resolving the gravitational collapse of star-forming gas
and stellar feedback (Domínguez et al. 2015; Sparre et al. 2017; Gur-
vich et al. 2023; Hopkins et al. 2023) have led to an emerging picture
where the star formation rate (SFR) of galaxies in certain regimes is
highly time-variable— a situation often referred to as bursty star for-
mation. Elucidating the physical origin of bursty star formation and
the transition to time-steady star formation is a key task for galaxy
formation theory (Faucher-Giguère 2018; Caplar & Tacchella 2019;
Iyer et al. 2020; Furlanetto & Mirocha 2022; Orr et al. 2022; Hop-
kins et al. 2023). To this end, a crucial way to connect observations
with theory is to investigate the variety of SFR indicators sensitive
to different timescales of star formation. Among the large number
of SFR indicators proposed in the literature, the H𝛼 _6563 nebular
line emission and the UV continuum emission are most commonly
considered (e.g., Emami et al. 2019; Flores Velázquez et al. 2021).
Because H𝛼 emission is predominantly produced by recombinations
in H ii regions ionized by young, massive stars, it is expected to be
sensitive to recent SFR variations on timescales as short as a few

★ E-mail: guochao.sun@northwestern.edu

Myr. On the other hand, the UV continuum emission has substantial
contributions from the non-ionizing radiation of older stellar popula-
tions and therefore is sensitive to significantly longer star formation
timescales (∼10Myr when the SFR is time-steady and ∼100Myr
following extreme starbursts; see e.g., Flores Velázquez et al. 2021).
The exact value depends on various factors, such as the wavelength of
emission, the star formation history (SFH), and the stellar population
synthesis (SPS) model assumed.

Traditional methods relying on these SFR indicators usually re-
quire measuring the H𝛼 and UV luminosities of individual galaxies
simultaneously from flux limited surveys. Such measurements are
expensive and likely susceptible to issues like selection bias that
preferentially selects galaxies experiencing an ongoing burst of star
formation (Domínguez et al. 2015; Faisst et al. 2019; Sun et al. 2023).
Meanwhile, measuring 𝐿H𝛼/𝐿UV (where 𝐿UV = a𝐿a for individual
galaxies is the UV luminosity per logarithmic frequency) alone is
insufficient to probe the time variability of the SFR, whereas char-
acterizing the joint distribution of 𝐿H𝛼 and 𝐿UV with a large galaxy
sample can be a lot more informative (Sparre et al. 2017). These lim-
itations together make an extensive, mass-complete study of bursty
star formation in galaxies of different properties at different cosmic
times challenging.

Composed of the accumulated radiation from the all the sources
in the universe outside the Milky Way, the extragalactic background

© 2023 The Authors
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2 G. Sun et al.

light (EBL) offers a wealth of information about the galaxy and star
formation physics across cosmic time (Finke et al. 2010, 2022). At
near-infrared wavelengths (corresponding to rest-frame optical/UV
at high redshifts), its potential to constrain the star formation process
in high-redshift galaxies have attracted increasing interest in recent
years (see e.g., Sun et al. 2021; Sun 2022; Mirocha et al. 2022;
Scott et al. 2022). Therefore, as an alternative approach to probe
bursty star formation, we investigate in this work the possibility of
statistically constraining the joint distribution of 𝐿H𝛼 and 𝐿UV by
cross-correlating cosmological surveys of the near-infrared EBL and
galaxy distributions. Thanks to its unprecedented survey depth and
sky coverage, the SPHERExmission (Doré et al. 2014; Korngut et al.
2018; Crill et al. 2020) promises to accurately quantify sources of
the EBL out to the epoch of reionization and thereby probe galaxy
formation and evolution across a wide range of cosmic times. In
synergy with wide-field galaxy surveys to be conducted by e.g., the
Rubin Observatory Legacy Survey of Space and Time (Rubin/LSST;
LSST Science Collaboration et al. 2009) or the Nancy Grace Ro-
man Space Telescope (Spergel et al. 2015), it has been demonstrated
that the EBL–galaxy cross-correlation can be detected at high sig-
nificance in each spectral channel of SPHEREx, thereby allowing
the mean rest-frame optical/UV emission spectrum of galaxies to be
accurately measured (Cheng & Chang 2022). It is therefore interest-
ing to explore whether the EBL–galaxy cross-correlation can help
constrain bursty star formation in galaxies, including its mass and
redshift dependence, and provide a test of galaxy formation theory.
In this paper, we conduct a proof-of-principle study of using the

(near-infrared) EBL–galaxy cross-correlation to probe bursty star
formation. In particular, we focus on the cross-correlation between
intensity maps of H𝛼 and UV continuum emission and the distribu-
tion of galaxies selected by their stellar mass. More specifically, we
aim to constrain the joint distribution of 𝐿H𝛼 and 𝐿UV as a probe for
the SFR variability by measuring the zero-lag cross-correlation of
the distribution of mass-selected galaxy samples and intensity maps
of H𝛼 and UV emission. As illustrated in Fig. 1, such a measurement
can probe the decorrelation effect on the zero-lag cross-correlation
caused by the scatter in the 𝐿H𝛼–𝐿UV joint distribution, which links
to the SFR variability (though complications due to e.g., dust attenua-
tion exist; see Section 4). To measure the zero-lag cross-correlation,
we calculate the Poisson-noise cross-bispectrum in Fourier space,
which is the optimal way to separate the signal of interest from other
sources of confusion, including large-scale clustering, instrument
noise, and observational systematics. We forecast the prospects for
measuring this cross-correlation using SPHEREx and Rubin/LSST
and demonstrate the utility for probing bursty star formation in galax-
ies in different mass and redshift ranges.
The remainder of this paper is organized as follows. In Section 2,

we first introduce a simple, semi-empirical model for the 𝐿H𝛼–𝐿UV
joint distribution of galaxies conditioned on stellar mass. We then
show, in the limit where Poisson fluctuations dominate over cluster-
ing, how the zero-lag cross-correlation in real space is equivalent
to a measurement of the cross-bispectrum in Fourier space. Finally,
we describe the full framework for constraining the 𝐿H𝛼–𝐿UV joint
distribution with a set of correlation coefficients defined by cross-
bispectra. In Section 3, we present main results of our analysis,
including forecasts for the various cross-correlation signals and the
implied constraints on the toy models considered in our case study
for SPHEREx and Rubin/LSST. We discuss some limitations and
caveats of the presented analysis in Section 4, before concluding in
Section 5. A flat, ΛCDM cosmology consistent with the measure-
ments from Planck Collaboration et al. (2016) is adopted throughout
this paper.

2 METHODS

2.1 Modeling the 𝐿H𝛼–𝐿UV joint distribution

2.1.1 Overview

While the modeling and analysis frameworks to be presented are
generally applicable, for our proof-of-principle study in this paper,
we investigate specifically the prospects for cross-correlating near-
infrared EBL maps measured by SPHEREx with distributions of
galaxies from the Rubin/LSST photometric redshift survey, which is
expected to measure the mean rest-UV/optical spectrum of galaxies
at high significance up to 𝑧 ∼ 4 (Cheng & Chang 2022).
Given the wavelength coverage of SPHEREx (0.75–5`m) and the

redshift range over which high-quality photo-𝑧 measurements can be
achieved by Rubin/LSST, we aim to optimize the chance of detecting
the decorrelation between H𝛼 and UV luminosities due to bursty
star formation, which is expected to be more pronounced in low-
mass galaxies that are abundant but faint. For the longer-timescale
SFR indicator, we choose the 𝑈-band (3500Å) luminosity1 rather
than the more commonly used FUV (1500Å) luminosity because the
former reaches lower redshifts (𝑧 ' 1.2) and maximizes the contrast
in star formation timescales compared to H𝛼 (Emami et al. 2021).
Performing the analysis at 𝑧 ∼ 1 rather than 𝑧 ∼ 4, is alsomotivated

by the completeness limit of the Rubin/LSST photometric redshift
survey, below which issues like selection bias due to incompleteness
introduce significant systematics. Following Leauthaud et al. (2020),
we can estimate the stellar mass range accessible by scaling from the
90% mass completeness limit of the COSMOS2015 catalog (Laigle
et al. 2016). For Rubin/LSST with 𝑖-band limiting magnitude of
𝑖 = 26.8, the 90% mass completeness limits are log(𝑀 lim∗ /𝑀�) =

8.55, 8.95, 9.25, 9.4 at 𝑧 = 1, 1.5, 2, 2.5, respectively, well below
stellar masses at which simulations predict galaxies at these redshifts
to exhibit a considerable level of scatter in 𝐿H𝛼/𝐿UV due to bursty
star formation (Domínguez et al. 2015; Sparre et al. 2017).
We analytically derive a conditional luminosity function (CLF)-

based description of the different moments of 𝐿H𝛼 and 𝐿𝑈 necessary
for the cross-correlation. Since galaxies in different stellar mass bins
will be analyzed separately, the luminosity distributions are condi-
tioned on stellar mass 𝑀∗. The exact parameterization is based on
semi-empirical models of galaxy evolution and H𝛼 and UV emis-
sion, which are verified against the matching between the observed
𝑈-band luminosity functions (e.g., Moutard et al. 2020) and stellar
mass functions (e.g., Shuntov et al. 2022) at redshifts of interest.

2.1.2 H𝛼–UV bivariate conditional luminosity function (BCLF)

Taking Φ(𝐿) to be the probability distribution function (PDF) of the
luminosity 𝐿 such that

∫
Φ(𝐿)𝑑𝐿 = 1, we can write the joint PDF

of 𝐿H𝛼 and 𝐿𝑈 conditioned on 𝑀∗ as

Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗) = Φ(𝐿H𝛼 |𝐿𝑈 , 𝑀∗)Φ(𝐿𝑈 |𝑀∗), (1)

where on the right-hand side the first term Φ(𝐿H𝛼 |𝐿𝑈 , 𝑀∗) is
given by a log-normal distribution around the mean H𝛼 luminos-
ity �̄�H𝛼 = 𝐿𝑈,0 (𝐿𝑈 /𝐿𝑈,0)𝛽 , following the functional form from
Mehta et al. (2015), with a logarithmic scatter of 𝜎𝛼𝑈 (𝑀∗). The
second term, Φ(𝐿𝑈 |𝑀∗), often referred to as the conditional lumi-
nosity function (see e.g., Yang et al. 2003), is the distribution of 𝐿𝑈

1 Throughout this paper, we use UV and 𝑈 -band interchangeably when
referring to the continuum emission to be studied together with H𝛼. For
simplicity, we refer to it with the subscript𝑈 hereafter.

MNRAS 000, 1–12 (2023)



SFR variability from EBL and galaxy surveys 3

Figure 1. A graphical representation of the EBL–galaxy cross-correlation analysis investigated in this work for probing effects of bursty star formation on the
joint distribution of SFR indicators 𝐿H𝛼 and 𝐿UV. Distributions of galaxies, H𝛼 line intensity, and UV continuum intensity are cross-correlated in Fourier space
to measure the cross-bispectrum. This constrains the joint H𝛼–UV luminosity distribution, especially its width which reflects the scatter in 𝐿H𝛼/𝐿UV around the
equilibrium value when star formation is time-steady. The Fourier-space cross-bispectrum analysis in the Poisson-noise dominated limit is formally equivalent to
a zero-lag cross-correlation (i.e., stacking) on galaxy positions in real space, as demonstrated in Section 2.2, but allows foregrounds and observational systematics
to be more easily separated (Section 4).

conditioned on 𝑀∗ that can be determined by matching the observed
stellar mass function and UV luminosity function. For Φ(𝐿𝑈 |𝑀∗),
we also consider a log-normal distribution specified by some mean
relation �̄�𝑈 (𝑀∗) and a logarithmic scatter 𝜎LM. Putting these ingre-
dients together, we define a bivariate conditional luminosity function
(BCLF) of 𝐿H𝛼 and 𝐿𝑈 , Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗), that is the product of

Φ(𝐿H𝛼 |𝐿𝑈 , 𝑀∗) =
exp

{
−[ln 𝐿H𝛼−ln �̄�H𝛼 (𝐿𝑈 ) ]2

2𝜎2
𝛼𝑈

(𝑀∗)

}
√
2𝜋𝜎𝛼𝑈 (𝑀∗)𝐿H𝛼

(2)

and

Φ(𝐿𝑈 |𝑀∗) =
1

√
2𝜋𝜎LM𝐿𝑈

exp

{
−[ln 𝐿𝑈 − ln �̄�𝑈 (𝑀∗)]2

2𝜎2LM

}
, (3)

which satisfies

�̄�𝑈 (𝑀∗) = 𝑒−𝜎
2
LM/2

∫ ∞

0
𝑑𝐿𝑈Φ(𝐿𝑈 |𝑀∗)𝐿𝑈 . (4)

By the definition of the CLF, equation (3) can in principle be deter-
mined by finding the appropriate functional form of �̄�𝑈 (𝑀∗) and the
value of𝜎LM that bestmatches the observed𝑈-band luminosity func-
tion 𝜙(𝐿𝑈 ) = 𝑑𝑛/𝑑𝐿𝑈 and stellar mass function 𝜓(𝑀∗) = 𝑑𝑛/𝑑𝑀∗,
where 𝑛 is the number density of galaxies. In this work, however, we
construct a simple, parametric model of �̄�𝑈 (𝑀∗) and 𝜎LM based on
the specific SFR–stellar mass relation from semi-empirical models of

galaxy formation given by theUniverseMachine code (Behroozi et al.
2019) and the observed 𝑈-band luminosities of galaxies from Zhou
et al. (2017). As a sanity check, we have verified our simple model by
comparing its predicted 𝑈-band luminosity function against the ob-
served ones at redshifts where measurements are available (Moutard
et al. 2020).
To describe H𝛼 and 𝑈-band continuum emission, we take 𝐿H𝛼 =

2.1 × 1041 erg s−1
(
SFR/𝑀� yr−1

)
, valid for the Chabrier IMF as-

sumed in thiswork, and adopt the attenuation-corrected, empirical re-
lation between𝑈-band and H𝛼 luminosities from Zhou et al. (2017),
who provide a calibration of the 𝑈-band luminosity as an SFR in-
dicator. Because both these luminosities and the stellar masses they
are anchored to are dust-corrected, to properly model their observed
strengths in our cross-correlation analysis, we must reapply dust at-
tenuation. To do this self-consistently, we assume the 𝐴FUV (𝑀∗)
relation from McLure et al. (2018) that is derived for star-forming
galaxies at 𝑧 ∼ 2–3,
𝐴FUV = 2.293 + 1.16M10 + 0.256M2

10 + 0.209M
3
10, (5)

where M10 = log(𝑀∗/1010 𝑀�), and the Calzetti et al. (2000)
dust attenuation curve, which implies 𝐴H𝛼 = 0.44𝐴FUV and 𝐴𝑈 =

0.62𝐴FUV, respectively2.

2 FollowingMcLure et al. (2018),we assume that𝐸 (𝐵−𝑉 )star = 0.76𝐸 (𝐵−

MNRAS 000, 1–12 (2023)
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Figure 2. Illustration of the average log(𝐿H𝛼/𝐿𝑈 ) and the scatter around it
(specified in brackets in units of dex) as a function of stellar mass described
by the baseline model (Model I) and its variant (Model II) considered in this
work. The scatters are overplotted on the mean relation in the 6 stellar mass
bins uniformly distributed over 8.5 < log(𝑀∗/𝑀�) < 11.5. The growth of
scatter with decreasing stellar mass as in Model I is often considered as an
indication of an increasing level of bursty star formation.

With the BCLF of 𝐿H𝛼 and 𝐿𝑈 , the ensemble averages that enter
our cross-correlation analysis can then be written as

〈𝐿𝑈 𝐿H𝛼〉 ∝
∫

𝑑𝑀∗Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗)𝜓(𝑀∗) ×∬
𝑑𝐿𝑈 𝑑𝐿H𝛼10−0.4(𝐴H𝛼+𝐴𝑈 )𝐿𝑈 𝐿H𝛼, (6)

〈𝐿2H𝛼〉 ∝
∫

𝑑𝑀∗Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗)𝜓(𝑀∗) ×∬
𝑑𝐿𝑈 𝑑𝐿H𝛼10−0.8𝐴H𝛼𝐿2H𝛼, (7)

and

〈𝐿2𝑈 〉 ∝
∫

𝑑𝑀∗Φ(𝐿𝑈 |𝑀∗)𝜓(𝑀∗)
∫

𝑑𝐿𝑈10−0.8𝐴𝑈 𝐿2𝑈 , (8)

where 𝜓(𝑀∗) is the stellar mass function that we self-consistently
obtain from UniverseMachine, and 〈...〉 implicitly assumes that the
ensemble average is taken for the sample of stellar-mass-selected
galaxies over the mass bin [𝑀∗, 𝑀∗ +Δ𝑀∗]. We have also confirmed
that using the latest observed stellar mass functions (e.g., Shuntov
et al. 2022) has little impact on our results.
As illustrated in Fig. 2 and summarized in Table 1, two toy models

of the BCLF of 𝐿H𝛼 and 𝐿𝑈 are considered for our subsequent anal-
ysis. The fiducial model, Model I, assumes that the scatter, 𝜎𝛼𝑈 , in-
creases with decreasing stellar mass, whereas the contrasting model,
Model II, assumes a constant 𝜎𝛼𝑈 = 0.1 dex across all stellar mass
bins. For both models, we further assume a constant 𝜎LM = 0.2 dex,
consistent with the scatter in the light-to-mass ratio observed and
commonly assumed in semi-empirical models of high-𝑧 galaxies
(More et al. 2009; Sun & Furlanetto 2016), whereas 𝛽 = 1.25 and
𝐿𝑈,0 = 3.55×1051 erg s−1 are suggested by the best-fit relation to the

𝑉 )neb and derive 𝐴_ = 𝑘_𝐸 (𝐵−𝑉 ) from 𝑘_ = 2.659× (−2.156+1.509/_−
0.198/_2 + 0.011/_3) + 4.05 for 0.12 `m < _ < 0.63 `m (rest-frame) or
𝑘_ = 2.659 × (−1.857 + 1.040/_) + 4.05 for 0.63 `m < _ < 2.2 `m, as in
Calzetti et al. (2000).

Table 1. Specifications of the toy models considered in this work. The scatter
𝜎𝛼𝑈 is allowed to vary across the 6 stellar mass bins uniformly distributed
over 8.5 < log(𝑀∗/𝑀�) < 11.5.

Model 𝜎𝛼𝑈 𝜎LM 𝛽 𝐿𝑈,0
†

(dex) (dex) (erg s−1)
I 0.4, 0.3, 0.2, 0.15, 0.1, 0.05 0.2 1.25 3.55 × 1051
II 0.1, 0.1, 0.1, 0.1, 0.1, 0.1 0.2 1.25 3.55 × 1051

† The exact value of 𝐿𝑈,0 does not impact the cross-correlation coefficients
(Section 2.1.3) but affects the expected detectability of cross-correlation.

observed correlation between H𝛼 and𝑈-band luminosities of galax-
ies (Zhou et al. 2017). We note that even though more accurately
modeling the H𝛼–UV BCLF is beyond the scope of this study, our
simple parameterization of themean relations is grounded on empiri-
cal models that reliably describe galaxy evolution and the production
of H𝛼 and𝑈-band emission at the redshifts of interest. The two con-
trasting cases for 𝜎𝛼𝑈 are chosen to roughly bracket the range of
possible mass dependence of the width of 𝐿H𝛼–𝐿𝑈 distribution as
a proxy for star formation burstiness, motivated by observations and
numerical simulations (Weisz et al. 2012; Domínguez et al. 2015;
Sparre et al. 2017; Emami et al. 2019; Faisst et al. 2019).

2.1.3 Connection to the EBL–galaxy cross-correlation

From the ensemble averages defined above and their dependence
on our BCLF model parameters, we can obtain a few simple and
useful expressions that connect cross-correlation observables to these
model parameters. The observable most directly related to the cross-
correlation analysis is the cross-correlation coefficient, 𝑟g× (ℓ), which
characterizes how correlated the two SFR tracer fields are for the
galaxy population 𝑔 of interest. As will be shown in Section 2.3,
whenmeasured in the Poisson-noise limit in Fourier space, the cross-
correlation coefficient 𝑟g×,P ≡ 𝑟

g
× (ℓ � ℓc) takes the simple form

𝑟
g
×,P =

𝐵
𝑈,H𝛼,g
ℓ,P√︃

𝐵
𝑈,𝑈,g
ℓ,P 𝐵

H𝛼,H𝛼,g
ℓ,P

∝ 〈𝐿𝑈 𝐿H𝛼〉√︃
〈𝐿2

𝑈
〉〈𝐿2H𝛼〉

. (9)

Here, the multipole moment ℓc denotes some characteristic scale (to
be estimated from a power spectrum analysis) at which non-linear
clustering is comparable to the Poisson noise, and 𝐵

𝑖, 𝑗 ,𝑘

ℓ,P denotes
the Poisson-noise-limit cross-bispectrum of fields 𝑖, 𝑗 , and 𝑘 . In
Section 2.2, we will first motivate the understanding of the cross-
correlation of interest in both real and Fourier spaces. We will then
detail how to arrive at the proportionality, and derive the components
of 𝑟g×,P and their uncertainties, in Section 2.3.
Combining equations (1) through (9), we can show that 𝑟g×,P is

in fact insensitive to the �̄�𝑈 (𝑀∗) parameterization or the value of
𝐿𝑈,0, and obtain

ln
[
𝑟
g
×,P

]
= −

[
𝜎2
𝛼𝑈

2
+
𝜎2LM (𝛽 − 1)2

2

]
. (10)

It is easy to see that 𝑟g×,P drops below unity if either 𝜎𝛼U or 𝜎LM
(as long as 𝛽 is not strictly 1) is non-zero. While the latter charac-
terizes the intrinsic scatter in the mass-to-light ratio of galaxies due
to stochasticity in e.g., mass accretion rates (McBride et al. 2009;
Fakhouri et al. 2010; van den Bosch et al. 2014), the former may be
largely attributed to the time variability of the SFR. Because con-
straints on bursty star formationmainly come from the comparison of
𝑟
g
×,P in different stellar mass bins instead of its exact values, factors
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that are generally mass-independent will not significantly compli-
cate the interpretation. For reference, assuming 𝜎LM = 0, we have
𝑟
g
×,P = 0.97, 0.79, and 0.52 for𝜎 = 0.1, 0.3, and 0.5 dex, respectively.
By analogy to the cross-correlation coefficient, 𝑟g×,P, we can also

define and derive the following auto-correlation coefficients for H𝛼
and UV emission

ln
(
𝑟
g
H𝛼,P

)
= ln

©«
𝐶
H𝛼,g
ℓ,P√︃

𝐵
H𝛼,H𝛼,g
ℓ,P

ª®®¬ = −
𝜎2
𝛼𝑈

+ 𝜎2LM𝛽2

2
(11)

and

ln
(
𝑟
g
𝑈,P

)
= ln

©«
𝐶
𝑈,g
ℓ,P√︃

𝐵
𝑈,𝑈,g
ℓ,P

ª®®¬ = −
𝜎2LM
2

, (12)

where 𝐶H𝛼,g
ℓ,P and 𝐶𝑈,g

ℓ,P are the Poisson-noise terms of the angular
cross-power spectra of H𝛼 and UV emission with galaxies to be
defined in Section 2.3.
Equations (10) through (12) therefore connect correlation coef-

ficients directly measurable from the EBL–galaxy cross-correlation
to parameters of our BCLF model, which can be individually con-
strained by solving these equations. Although we will focus on the
analysis of the BCLF hereafter, for completeness, in Appendix A we
also derive the mean and variance of the luminosity ratio, 𝐿H𝛼/𝐿𝑈 ,
as two examples of other potentially useful measures of the BCLF
and thus the star formation burstiness.

2.2 Relationship between the real-space zero-lag
cross-correlation and the Fourier-space cross-bispectrum

Here, before presenting the full cross-correlation analysis frame-
work in Fourier space, we start with a demonstration of how the
Poisson-noise cross-bispectrum to be analyzed relates to the zero-
lag cross-correlation (i.e., stacking) in real space, which might be
more intuitive to understand as a well-established method to probe
astrophysics beyond the reach of individually targeted observations
(see e.g., Viero et al. 2022, for a recent stacking analysis of the
dust-obscured star formation in high-𝑧 galaxies). By showing that
they are essentially equivalent, we aim to build up the physical intu-
ition to comprehend details of the full, Fourier-space treatment to be
described in Section 2.3.
To demonstrate the equivalence of cross-correlation analyses per-

formed in Fourier and real spaces, it is sufficient to compare the
signal-to-noise ratios (S/N) derived in both cases as a measure of
the information available. For a zero-lag cross-correlation of inten-
sity maps 𝑗 and 𝑘 with galaxies in real space, in the Poisson-noise
dominated limit, the S/N scales as(
S
N

)
rs
∼
(
𝑁gal

)1/2 ©« 〈a𝐼 𝑗a〉
𝜎

𝑗

pix,N

ª®¬ ©« 〈a𝐼𝑘a 〉
𝜎𝑘
pix,N

ª®¬
〈𝐿 𝑗𝐿𝑘 〉
〈𝐿 𝑗 〉〈𝐿𝑘 〉

, (13)

which is a product of the cross-correlation coefficient, the S/N per
pixel of the intensity maps, and a scaling factor for the noise reduc-
tion when “stacking” on 𝑁gal galaxies. Using definitions of cross-
bispectrum and its uncertainty to be introduced in Section 2.3, we can
show that the S/N of cross-bispectrum 𝐵

𝑖 𝑗𝑘

ℓ
defined in Fourier space

resembles equation (13) in the Poisson-noise limit. Specifically, we

have (see Section 2.3.2 for details)(
S
N

)2
×
=
©«
𝐵
𝑖 𝑗𝑘

ℓ,P

𝛿𝐵
𝑖 𝑗𝑘

ℓ,P

ª®¬
2

≈
∑︁

ℓ1 ,ℓ2 ,ℓ3

[
𝐵
𝑖 𝑗𝑘

ℓ
(ℓ1, ℓ2, ℓ3)

]2
𝐶𝑖
ℓ
(ℓ1)𝐶

𝑗

ℓ
(ℓ2)𝐶𝑘

ℓ
(ℓ3)

ΩsℓmaxΔℓ1Δℓ2Δℓ3

≈ ℓ4maxΩs

(
𝐵
𝑖 𝑗𝑘

ℓ,P

)2
𝐶𝑖
ℓ,P𝐶

𝑗

ℓ,P𝐶
𝑘
ℓ,P

, (14)

where the approximation 𝑁trip ≈ ℓmaxΩ2sΔℓ1Δℓ2Δℓ3 ≈ ℓ4maxΩ
2
s is

applied. Note that here ℓmax ≈ \−1pix, where \pix is the pixel size
in steradian, and Ωs is the survey size. As will be shown in Sec-
tion 2.3.2, we can write the angular power spectra as 𝐶𝑖

ℓ,P = Ωs𝑁−1
gal,

𝐶
𝑗

ℓ,P =
(
𝜎

𝑗

pix,N

)2
\2pix, and𝐶

𝑘
ℓ,P =

(
𝜎𝑘
pix,N

)2
\2pix, whereas the cross-

bispectrum scales as

𝐵
𝑖 𝑗𝑘

ℓ,P ∝ 〈a𝐼 𝑗a〉〈a𝐼𝑘a 〉
〈𝐿 𝑗𝐿𝑘 〉
〈𝐿 𝑗 〉〈𝐿𝑘 〉

. (15)

Putting together, we can obtain from equation (14) that(
S
N

)
×
∝
(
𝑁gal

)1/2 ©« 〈a𝐼 𝑗a〉
𝜎

𝑗

pix,N

ª®¬ ©« 〈a𝐼𝑘a 〉
𝜎𝑘
pix,N

ª®¬
〈𝐿 𝑗𝐿𝑘 〉
〈𝐿 𝑗 〉〈𝐿𝑘 〉

, (16)

which matches equation (13) exactly.
Therefore, we stress that, while measuring a zero-lag cross-

correlation in real space is mathematically equivalent to measur-
ing a Poisson-noise cross-bispectrum in Fourier space, we choose
to work in Fourier space below given practical considerations in
observational data analysis that favor it as a more robust and unbi-
ased method. For example, the finite angular and spectral resolution
of SPHEREx imply that the pure zero-lag cross-correlation is not
strictly observable. The separation between the clustering contribu-
tions and Poisson fluctuations is then more transparent in Fourier
space, as are the treatment of the beam, spectral resolution, fore-
ground contamination and pixel noise, while the analysis may also
be more easily generalized to incorporate clustering terms.

2.3 The EBL–galaxy cross-correlation: signals and errors

2.3.1 Cross-power spectra and cross-bispectra

Following Cheng & Chang (2022), we can write the cross-power
spectra between H𝛼/UV emission and galaxies in the Poisson-noise
limit as

𝐶
H𝛼,g
ℓ,P =

1
𝜎g

Δ𝑧g
𝑑a𝐼a

𝑑𝑧

���
H𝛼

(17)

and

𝐶
𝑈,g
ℓ,P =

1
𝜎g

Δ𝑧g
𝑑a𝐼a

𝑑𝑧

���
𝑈
. (18)

By analogy to the definition of cross-power spectra, three fields (two
factors of intensity map and one factor of galaxy distribution) are
required to calculate ensemble averages involving the secondmoment
of luminosity, 〈O(𝐿2)〉. We therefore define the cross-bispectrum
as an integral of the differential flux densities 𝑑 (a𝐼a)/𝑑𝑧 of H𝛼
and UV emission (which themselves are mass integrals over the
galaxy population described by the stellar mass function 𝜓(𝑀∗))
over redshift, conditioned on the subgroup of galaxies selected by
stellar mass. When a narrow redshift range Δ𝑧g � 1 is considered,
the redshift integral

∫
Δ𝑧g

𝐹 (𝑧)𝑑𝑧 can be approximated as 𝐹 (𝑧g)Δ𝑧g,
which simplifies the calculations.

MNRAS 000, 1–12 (2023)
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For H𝛼 (line) and UV (continuum) emission, we can write their
differential flux densities as3

𝑑a𝐼a

𝑑𝑧

���
H𝛼

=
1

Δ𝑧H𝛼

∫ 𝑀∗,max

𝑀∗,min
𝑑𝑀∗𝜓(𝑀∗)

a𝐿H𝛼

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑a
𝐷2

𝐴,com

' 1
Δ𝑧g

𝑐/𝐻 (𝑧g)
4𝜋(1 + 𝑧g)

∫
𝑑𝑀∗𝜓(𝑀∗)𝐿H𝛼 , (19)

𝑑a𝐼a

𝑑𝑧

���
𝑈

=

∫ 𝑀∗,max

𝑀∗,min
𝑑𝑀∗𝜓(𝑀∗)

𝐿𝑈

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑𝑧
𝐷2

𝐴,com

=
𝑐/𝐻 (𝑧g)
4𝜋(1 + 𝑧g)2

∫
𝑑𝑀∗𝜓(𝑀∗)𝐿𝑈 , (20)

and the density of galaxies (per unit solid angle) is

𝜎g ' Δ𝑧g
𝑑𝑁g
𝑑𝑧𝑑Ω

=
𝜒2 (𝑧g)𝑐Δ𝑧g

𝐻 (𝑧g)

∫
𝑑𝑀∗𝜓(𝑀∗) , (21)

where 𝐻 (𝑧), 𝜒, 𝐷𝐿 , and 𝐷𝐴,com = 𝜒 are the Hubble parameter, the
comoving radial distance, the luminosity distance, and the comoving
angular diameter distance, respectively. The 𝜒 gradients are given
by 𝑑𝜒/𝑑a = 𝑐(1 + 𝑧)/[a𝐻 (𝑧)] for the observed frequency a, and
𝑑𝜒/𝑑𝑧 = 𝑐/𝐻 (𝑧). We assume Δ𝑧g ≈ Δ𝑧H𝛼 = (1+ 𝑧)/𝑅 with 𝑅 being
the spectral resolving power. Note that both 𝐿𝑈 and 𝐿H𝛼 are defined
to be non-specific luminosities in units of erg s−1 that, to the first
order, scale with the SFR and thus 𝑀∗. Unless otherwise specified
when the mass integral spans the full range of stellar mass from
𝑀∗,min = 107.5 𝑀� to 𝑀∗,max = 1011.5 𝑀� (as in equations (19)
and (20)), the stellar mass integral is by default over Δ𝑀∗, which
selects the subgroup of galaxies in the stellar mass bin of interest.
With equations (19) and (20), the Poisson-noise-limit cross-

bispectrum of the H𝛼 line, 𝑈-band continuum, and galaxy fields
can be written as

𝐵×
ℓ,P ≡ 𝐵

H𝛼,𝑈,g
ℓ,P

=
1
𝜎g

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)Δ𝑧H𝛼 |g

∫
𝑑𝑀∗𝜓(𝑀∗)×[

a𝐿H𝛼

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑a
𝐷2

𝐴,com

] [
𝐿𝑈

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑𝑧
𝐷2

𝐴,com

]
Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗)

=
𝑐
∫
𝑑𝑀∗Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗)𝜓(𝑀∗)𝐿H𝛼𝐿𝑈
16𝜋2𝜎g𝐻 (𝑧g) (1 + 𝑧g)3𝜒2 (𝑧g)

, (22)

where Δ𝑧H𝛼 |g ≈ Δ𝑧H𝛼 ≈ Δ𝑧g denotes the redshift range over which
galaxy and emission intensity fields overlap. Similarly, for the 〈𝐿2

𝑈
〉

and 〈𝐿2H𝛼〉 (auto-correlation) terms in the denominator of equa-
tion (9), we have

𝐵
𝑈,𝑈,g
ℓ,P =

1
𝜎g

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)

∫
𝑑𝑀∗𝜓(𝑀∗, 𝑧)

×
[

𝐿𝑈

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑𝑧
𝐷2

𝐴,com

]2
Φ(𝐿𝑈 |𝑀∗)

=
𝑐Δ𝑧g
𝐻 (𝑧g)

∫
𝑑𝑀∗Φ(𝐿𝑈 |𝑀∗)𝜓(𝑀∗, 𝑧g)𝐿2𝑈
16𝜋2𝜎g (1 + 𝑧g)4𝜒2 (𝑧g)

, (23)

3 Note that we omit the convolution with the conditional PDFs of the lumi-
nosities in the two expressions below for brevity, but include them in the full
expressions for 𝐵ℓ,P below.

Figure 3. A comparison of the error budget for 𝐶ℓ of H𝛼 and UV emission
(top panel), as well as the galaxy distribution (bottom panel) at 𝑧 ≈ 1.5. At
high multipoles ℓ ≥ 104, uncertainties of the intensity (galaxy) power spectra
are strongly dominated by the instrument noise 𝐶ℓ,𝑁 (Poisson noise 𝐶

g
ℓ,P).

Note that, unlike in the bottom panel, the sample variances in the top panel are
evaluated by integrating over the full range of stellar mass [𝑀∗,min, 𝑀∗,max ].

and

𝐵
H𝛼,H𝛼,g
ℓ,P =

1
𝜎g

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)

1
Δ𝑧2H𝛼

∫
𝑑𝑀∗𝜓(𝑀∗, 𝑧)

×
[
a𝐿H𝛼

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑a
𝐷2

𝐴,com

]2
Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗)

=
1
𝜎g

𝑐

𝐻 (𝑧g)Δ𝑧g

∫
𝑑𝑀∗𝜓(𝑀∗, 𝑧g)𝐿2H𝛼
16𝜋2 (1 + 𝑧g)2𝜒2 (𝑧g)

. (24)

2.3.2 Uncertainties on cross-power spectra and cross-bispectra

For the cross-power spectrum between an intensity map 𝑖 (H𝛼 or
𝑈-band intensity map here) and galaxies, the uncertainty for a given
multipole moment ℓ binned in a width of Δℓ can be expressed as(
𝛿𝐶

𝑖,g
ℓ,P

)2
=

1
𝑓sky (2ℓ + 1)Δℓ

[(
𝐶
𝑖,g
ℓ,P

)2
+ 𝐶𝑖

ℓ,N𝐶
g
ℓ,P

]
, (25)

where 𝑓sky is the sky covering fraction and we assume here that
auto-correlations of the intensity map and galaxies are dominated
by the instrument noise and the Poisson noise, respectively, on the
small scales considered in our analysis. In practice, to obtain the net
effective uncertainty of the cross-power spectrum, we further scale
down equation (25) by a factor of 300 to approximate the gain in
sensitivity from binning together modes over 104 < ℓ < 105. This
renders S/N of 𝐶H𝛼,g

ℓ,P (or 𝐶𝑈,g
ℓ,P ) substantially higher than that of
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𝐵
H𝛼,H𝛼,g
ℓ,P (or 𝐵𝑈,𝑈,g

ℓ,P ), as will be detailed below, and therefore the
S/N of auto-correlation coefficients 𝑟gH𝛼,P (or 𝑟

g
𝑈,P) can be simply

approximated as twice of that of 𝐵H𝛼,H𝛼,g
ℓ,P (or 𝐵𝑈,𝑈,g

ℓ,P ).
FollowingKayo et al. (2013), we canwrite the bispectrum variance

in the Gaussian approximation as

Var
[
𝐵
𝑖 𝑗𝑘

ℓ
(ℓ1, ℓ2, ℓ3)

]
=

Ωs𝐶𝑖
ℓ
(ℓ1)𝐶

𝑗

ℓ
(ℓ2)𝐶𝑘

ℓ
(ℓ3)

𝑁trip (ℓ1, ℓ2, ℓ3)
, (26)

where Ωs is the total survey area over which EBL and galaxy sur-
veys overlap (Ωs ≈ 5.5 sr for SPHEREx and Rubin/LSST), and
the number of triplets that form closed triangles in Fourier space
𝑁trip (ℓ1, ℓ2, ℓ3) ≡ ∑

𝒒𝑖 ;𝑞𝑖 ∈ℓ𝑖 Δ𝒒123, which can be approximated in
the limit of large multipole bins as

𝑁trip '
Ω2s ℓ1ℓ2ℓ3Δℓ1Δℓ2Δℓ3/2𝜋3√︃

2ℓ21ℓ
2
2 + 2ℓ

2
1ℓ
2
3 + 2ℓ

2
2ℓ
2
3 − ℓ1 − ℓ2 − ℓ3

. (27)

Each of the three angular auto-power spectra in the numerator of
equation (26) has contributions from clustering4, Poisson noise, and
instrument noise (for intensity maps of H𝛼 and UV emission) whose
relatively importance varies across ℓ. Specifically, assuming Limber
approximation and narrow redshift range Δ𝑧g � 1, we have (Cheng
& Chang 2022)

𝐶
g
ℓ,cl (ℓ) =

𝐻 (𝑧g)〈𝑏〉2g (𝑧g)
Δ𝑧g𝑐𝜒2 (𝑧g)

𝑃𝛿𝛿

[
𝑘 =

ℓ

𝜒(𝑧g)
, 𝑧g

]
(28)

and

𝐶
g
ℓ,P =

(
𝑑𝑁g
𝑑Ω

)−1
= 𝜎−1

g (29)

for the auto-power spectrum of galaxies, where 〈𝑏〉g is the galaxy
bias averaged over the ensemble of galaxies in the stellar mass bin
of width Δ𝑀∗ (see Appendix B for a more detailed description of
the various bias factors involved) and 𝑃𝛿 𝛿 is the dark matter power
spectrum. Similarly, for H𝛼 andUV emission, the auto-power spectra
are

𝐶H𝛼
ℓ,cl (ℓ) =

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)

𝑏2H𝛼 (𝑧)
[
𝑑a𝐼a

𝑑𝑧

���
H𝛼

(𝑧)
]2

× 𝑃𝛿𝛿

[
𝑘 =

ℓ

𝜒(𝑧) , 𝑧
]
, (30)

𝐶H𝛼
ℓ,P =

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)

1
Δ𝑧2H𝛼

∫ 𝑀∗,max

𝑀∗,min
𝑑𝑀∗𝜓(𝑀∗, 𝑧)

×
[
a𝐿H𝛼

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑a
𝐷2

𝐴,com

]2
Φ(𝐿H𝛼, 𝐿𝑈 |𝑀∗), (31)

𝐶𝑈
ℓ,cl (ℓ) =

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)

𝑏2𝑈 (𝑧)
[
𝑑a𝐼a

𝑑𝑧

���
𝑈
(𝑧)

]2
× 𝑃𝛿𝛿

[
𝑘 =

ℓ

𝜒(𝑧) , 𝑧
]
, (32)

4 For simplicity, we ignore the nonlinear clustering whose impact on scales
smaller than ℓ ∼ 104 is expected to be subdominant to that of the Poisson
noise (see e.g., Cheng & Bock 2022).

and

𝐶𝑈
ℓ,P =

∫
𝑑𝑧

𝐻 (𝑧)
𝑐𝜒2 (𝑧)

∫ 𝑀∗,max

𝑀∗,min
𝑑𝑀∗𝜓(𝑀∗, 𝑧)

×
[

𝐿𝑈

4𝜋𝐷2
𝐿

𝑑𝜒

𝑑𝑧
𝐷2

𝐴,com

]2
Φ(𝐿𝑈 |𝑀∗). (33)

As shown by Fig. 3, on small scales the Poisson noise and in-
strument noise dominate the angular power spectra of galaxies and
emission fields, respectively. Therefore, we take 𝐶𝑖

ℓ
= 𝐶

g
ℓ,P = 𝜎−1

g ,

𝐶
𝑗

ℓ
= 𝐶H𝛼

ℓ,N = 𝜎2pix,N |_H𝛼 (1+𝑧)Ωpix𝑒
Ωpixℓ

2
and, 𝐶𝑘

ℓ
= 𝐶𝑈

ℓ,N =

𝜎2pix,N |_𝑈 (1+𝑧)Ωpix𝑒
Ωpixℓ

2
, where 𝜎pix,N is the projected surface

brightness sensitivity of the SPHEREx all-sky survey5. To estimate
the detectability of the bispectrum in terms of its total signal-to-noise
ratio (S/N), we adopt a universal bin size of Δℓ = 1000 and sum the
S/N of individual ℓ bins over ℓmin = 104 to ℓmax = 105 where the
angular power spectra are well within the Poisson-noise-dominated
regime, namely(
S
N

)2
×
=

ℓmax+ Δℓ
2∑︁

{ℓ1 ,ℓ2 ,ℓ3 }=ℓmin− Δℓ
2

(
𝐵
𝑖 𝑗𝑘

ℓ,P

)2
Var

[
𝐵
𝑖 𝑗𝑘

ℓ
(ℓ1, ℓ2, ℓ3)

] . (34)

Finally, from the definition of 𝑟g×,P, we have(
S
N

)−2
𝑟×

=

(
S
N

)−2
×

+ 1
4

[(
S
N

)−2
H𝛼

+
(
S
N

)−2
𝑈

]
. (35)

3 RESULTS

In this section, we first present the detectability of the various cross-
bispectra related to our case study, where we cross-correlate EBL
maps of rest-frame H𝛼 and UV (𝑈-band) emission and photometric
galaxies to be observed with SPHEREx and Rubin/LSST, respec-
tively (Section 3.1). Then, we show the constraints on BCLF model
parameters derived from the predicted sensitivity to the correlation
coefficients, 𝑟g×,P, 𝑟

g
H𝛼,P, and 𝑟

g
𝑈,P (Section 3.2). The toymodels con-

sidered here suffice to forecast the potential for EBL–galaxy cross-
correlations to distinguish these limiting cases and thereby shed light
on bursty star formation.

3.1 Detectability of cross-correlation signals

In the left panel of Fig. 4, we show the predicted detectability of
the cross-bispectrum, 𝐵H𝛼,𝑈,g

ℓ,P , of H𝛼 and 𝑈-band intensity maps
measured by the all-sky survey with SPHEREx and photo-𝑧 galax-
ies surveyed by Rubin/LSST in each of the 6 stellar mass bins. The
S/N numbers quoted here are evaluated for a single pair of spectral
channels corresponding to a narrow redshift range of Δ𝑧 = (1+ 𝑧)/𝑅
around 𝑧 = 1.5, where 𝑅 = 41 is the spectral resolving power of
SPHEREx in bands relevant to this study. We note that at the red-
shifts of interest for this study (𝑧 ∼ 1.5–2.5), the adopted Δ𝑧 happens
to be comparable to the level of photometric redshift uncertainty
expected for the nominal 10-year Rubin/LSST survey, which may be

5 See the public data product of surface brightness sensitivity available
at https://github.com/SPHEREx/Public-products/blob/master/
Surface_Brightness_v28_base_cbe.txt
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Figure 4. Left: S/N of the Poisson-noise cross-bispectra of H𝛼, UV, and galaxies at 𝑧 ≈ 1.5 in different stellar mass bins, before and after including dust
attenuation. The fiducial model (Model I) is assumed and the total S/N is quoted for the sum over all stellar mass bins. Right: a comparison of the detectability
of the cross-correlation coefficient, 𝑟g×,P (black), as well as its 3 components, namely 𝐵

H𝛼,𝑈,g
ℓ,P (red), 𝐵H𝛼,H𝛼,g

ℓ,P (blue), and 𝐵
𝑈,𝑈,g
ℓ,P (yellow). The fiducial

model (Model I) is assumed, after including dust attenuation. All the data displayed here are evaluated for a single redshift interval, without redshift binning (see
Section 3.1).

further improved over the course of the survey by the addition of near-
IR and UV photometry from other existing/concurrent surveys, such
as Roman, Euclid, and SPHEREx (Graham et al. 2018, 2020). Due to
the trade-off between the brightness of sources and the number den-
sity of galaxies contributing to the intensity fields and available for
cross-correlation, the expected S/N of 𝐵H𝛼,𝑈,g

ℓ,P peaks at intermediate
mass scales 𝑀∗ ∼ 1010.5 𝑀� , although a high-significance detection
can be achieved in all but the lowest mass bins. Meanwhile, from
the comparison between cases with and without dust attenuation,
it is clear that the expected detectability of the EBL–galaxy cross-
correlation is highly sensitive to the treatment of dust attenuation
(especially for massive galaxies that are more dust-rich), which has
sometimes been neglected for simplicity in previous work, although
dust attenuation will likely reduce the SNR of EBL observations with
SPHEREx (e.g., Gong et al. 2017).
In the right panel of Fig. 4, we show how the S/N of each bispec-

trum involved in the definition of 𝑟g×,P can be propagated to obtain
the S/N of 𝑟g×,P (see equations (9) and (35)). As shown by the com-
parison, the detectability of 𝑟g×,P, from which constraints on 𝜎𝛼𝑈

(and other BCLF model parameters) are drawn, evolves across the
mass bins in a similar way to the bispectra and is mainly set by how
well 𝐵H𝛼,𝑈,g

ℓ,P can be measured.
Different from the predicted constraints on the bispectra presented

in Fig. 4, which are evaluated for a single redshift interval using one
pair of spectral channels of SPHEREx, we consider broader redshift
bins for measuring the BCLF of 𝐿H𝛼 and 𝐿𝑈 from the correlation
coefficients to optimize the parameter constraints. Specifically,we de-
fine 3 redshift bins with bin centers 𝑧𝑐 = 1.5, 𝑧𝑐 = 2.0, and 𝑧𝑐 = 2.5,
and bin edges [1.25, 1.75], [1.75, 2.25], and [2.25, 2.75], respec-
tively. We further divide each redshift bin into N = 0.5𝑅/(1 + 𝑧𝑐)
redshift intervals with 𝑅 = 41, which yieldsN = 8, 7, 6, respectively.
The uncertainties in the correlation coefficients evaluated for 𝑧𝑐 and
Δ𝑧 = (1 + 𝑧𝑐)/𝑅 are consequently scaled by a factor of 1/

√
N to

approximate the effect of binning together N redshift intervals.
Fig. 5 shows the constraints on the cross-correlation coefficient,

𝑟
g
×,P, in each stellar mass bin predicted by Models I and II in three
broad redshift bins as labeled on the vertical axis.With the help of the
additional statistical power from redshift binning, we expect cross-
correlating EBL maps from SPHEREx with photo-𝑧 galaxies from

Rubin/LSST to distinguish Model II from Model I by detecting the
decrease of 𝑟g×,P towards lower stellar masses at high significance up
to 𝑧 ∼ 3. It is noteworthy that even though the difference between the
two toy models is modest in intermediate-mass bins, strong evidence
for decorrelation may still be obtained thanks to the expected high
sensitivity to the bispectra at these mass scales. Detecting such a
decorrelation between H𝛼 and UV luminosities in low-mass galaxies
and characterizing the mass dependence via the EBL–galaxy cross-
correlation described can be a smoking gun for an elevated level
of bursty star formation, although alternative explanations may exist
(see discussion in Section 4). We note that, for simplicity, instead
of estimating the actual galaxy counts taking into account of the
mass incompleteness, we show the 90% mass completeness limit in
Fig. 5 and note that the constraining power in lower mass bins should
therefore be taken as an upper limit due to incompleteness.

3.2 Constraints on BCLF model parameters

From the expected constraints on 𝑟g×,P shown in Fig. 5, together with
the similarly derived constraints on the auto-correlation coefficients
𝑟
g
H𝛼,P and 𝑟

g
𝑈,P (see equations (11) and (12)), we can directly con-

strain the H𝛼–UV BCLF model assumed. To estimate the parameter
constraints, we employ a Fisher matrix formalism, which performs
a quadratic expansion around the log-likelihood of the data vector �̂�,
namely

𝐹𝑖 𝑗 =
∑︁
𝑘

1
var(𝑟𝑘 )

𝜕𝑟𝑘

𝜕\𝑖

𝜕𝑟𝑘

𝜕\2
, (36)

with 𝒓 (𝜽) =

(
𝑟
g
×,P (𝜽), 𝑟

g
H𝛼,P (𝜽), 𝑟

g
𝑈,P (𝜽)

)
being the model vector

for 𝜽 = (𝜎𝛼𝑈 , 𝜎LM, 𝛽). We neglect the covariance between the cor-
relation coefficients, which is likely a reasonable approximation in
the instrument-noise-dominated regime relevant to this work (Sec-
tion 2.3.2), and no priors are assumed on the parameters.
The resulting constraints on the BCLF model parameters in

Model I are shown in Fig. 6 for two example stellar mass bins where
strong evidence for a decorrelation between H𝛼 and 𝑈-band lumi-
nosities may exist. As shown by the ellipses, the cross-correlation
between SPHEREx and Rubin/LSST surveys can place useful con-
straints on our main proxy for bursty star formation, 𝜎𝛼𝑈 , up to
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Figure 5. Capability of distinguishing Model I (blue) and Model II (orange)
implied by the constraints on 𝑟g×,P in individual stellar mass bins, after binning
in redshift. From the top to the bottom, the three panels show the expected
constraints evaluated in the three broad redshift bins respectively. The vertical
dotted lines indicate the 90% mass completeness limits of the Rubin/LSST
photometric galaxy redshift survey expected at these redshifts (Section 2.1.1).

Table 2. Fractional uncertainties in the BCLF model parameters in different
redshift and mass bins derived from the diagonal of the inverse of the Fisher
matrix.

Redshift log(𝑀∗/𝑀�) 𝜎𝛼𝑈/𝜎fid
𝛼𝑈

𝛽/𝛽fid 𝜎LM/𝜎fidLM
1.25< 𝑧 < 1.75 9 – 9.5 0.133 0.265 0.153
1.25< 𝑧 < 1.75 9.5 – 10 0.082 0.076 0.046
1.75< 𝑧 < 2.25 9 – 9.5 0.242 0.482 0.280
1.75< 𝑧 < 2.25 9.5 – 10 0.154 0.145 0.090
2.25< 𝑧 < 2.75 9 – 9.5 0.532 1.046 0.595
2.25< 𝑧 < 2.75 9.5 – 10 0.375 0.352 0.216

𝑧 ∼ 2.5, despite the degeneracy between 𝜎𝛼𝑈 and 𝛽. At redshifts
where the constraints are tight enough (e.g., 𝑧 ∼ 1.5), it is also
possible to quantify by how much 𝜎𝛼𝑈 differs between different
mass bins, which serves as another way to probe the strength of star
formation burstiness (see Section 4 for further discussion). Table 2
summarizes the constraints on the three BCLF model parameters in
terms of the fractional uncertainties derived from the diagonal of the
inverse of the Fisher matrix in each redshift and mass bin.

Figure 6. Constraints on the BCLF model parameters 𝜎𝛼𝑈 , 𝜎LM, and 𝛽

in Model I drawn from the cross-correlation analysis for two example stellar
mass bins in different colours and in the three redshift bins from top to bottom.
The dark and light shaded ellipses represent the 1-𝜎 and 2-𝜎 confidence
intervals, respectively.

Applying the Fisher matrix formalism to all mass and redshift
bins and extracting the variance on 𝜎𝛼𝑈 , we derive ultimately
the constraints on the log(𝐿H𝛼/𝐿𝑈 )–𝑀∗ relation available from
the EBL–galaxy cross-correlation using SPHEREx and Rubin/LSST
data, which can be readily compared with observations of individual
galaxies. The resulting constraints are illustrated in Fig. 7 in terms of
the upper (dashed curves and filled triangles) and lower bounds (dot-
ted curves and empty triangles) on the width of the log(𝐿H𝛼/𝐿𝑈 )–
𝑀∗ distribution. From these constraints, it can be seen that any stellar
mass dependence of 𝜎𝛼𝑈 resulting from changes in the SFR vari-
ability may be tested by the cross-correlation analysis up to 𝑧 ∼ 2,
beyond which data from SPHEREx and Rubin/LSST can not provide
sufficient constraining power.

4 DISCUSSION

By cross-correlating EBL and galaxy surveys to be conducted by
SPHEREx and Rubin/LSST as an example, we have so far demon-
strated that statistical constraints on the BCLF of 𝐿H𝛼 and 𝐿UV
may be obtained at high significance and used to probe bursty star
formation across a wide range of galaxy mass and redshift. Next,
we supplement the presented analysis with a semi-quantitative dis-
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Figure 7. Constraints on log(𝐿H𝛼/𝐿𝑈 ) as a function of𝑀∗ in the three red-
shift bins expected fromModel I (shaded band) and the Fishermatrix analysis.
Marginalized ±1𝜎 bounds on the width of the log(𝐿H𝛼/𝐿𝑈 ) distribution
are indicated by the dashed curves with filled triangles and the dotted curves
with empty triangles, respectively. Note that the dotted (lower-bound) curves
cross at the high-mass end as a result of increased uncertainties.

cussion of the caveats, limitations, and implications of the method
explored in this work. In particular, we focus on ways to identify and
reduce the potential ambiguity from dust attenuation, and compare
the statistical approach presented in this paper with the characteriza-
tion of SFR indicators like 𝐿H𝛼 and 𝐿UV for samples of individual
galaxies.

4.1 Ambiguity associated with dust attenuation

For individual galaxies, both 𝐿H𝛼 and 𝐿𝑈 are subject to non-
negligible dust attenuation, but the amount of attenuation can vary
substantially and with different time dependence for H𝛼 and UV
continuum emission from galaxy to galaxy, as a result of the differ-
ent sites and mechanisms these photons are created in galaxies (the
UV continuum can be much more extended than H𝛼 emission pro-
duced in star-forming regions). Consequently, part of the observed
scatter 𝜎𝛼𝑈 may actually be associated with variations of the level
of dust attenuation rather than star formation burstiness for a given
galaxy sample (Reddy et al. 2015). For the analysis presented, we do
not consider the effect of dust on the BCLF. We do, however, take
into account dust attenuation in estimating the detectability of var-
ious cross-correlation signals. While methods have been proposed
to apply appropriate dust corrections for accurate comparison of H𝛼
and UV SFR indicators (see e.g., Weisz et al. 2012, for an exam-
ple method based on energy balance), they do not directly apply

to the statistical approach considered in this paper. Here, through a
similar cross-correlation analysis to estimate the Balmer decrement
(𝐿H𝛼/𝐿H𝛽) variations, we discuss a possible way to reduce the am-
biguity associated with unknown dust attenuation variations in the
interpretation of results like those shown in Section 3.
The attenuation 𝐴_ = 𝑘_𝐸 (𝐵 −𝑉) and the Balmer decrement are

related by (Domínguez et al. 2013)

𝐴FUV = C log
(
𝐿H𝛼/𝐿H𝛽
2.86

)
, (37)

where the coefficient 𝐶 = 2.5𝑘FUV/(𝑘H𝛽 − 𝑘H𝛼) = 19.6 and
𝐿H𝛼/𝐿H𝛽 = 2.86 is the intrinsic Balmer decrement that remains
roughly constant for typical star-forming galaxies. Assuming per-
fectly correlated scatters in dust-attenuated 𝐿H𝛼 and 𝐿𝑈 induced
by a scatter in 𝐴FUV as defined in equation (5), we find that a scat-
ter of about 4 in 𝐴FUV, corresponding to a 0.2 dex scatter in the
Balmer decrement log(𝐿H𝛼/𝐿H𝛽), results in a 0.3 dex scatter in
log(𝐿H𝛼/𝐿𝑈 ) comparable to what one might expect from a strongly
time-variable SFH. Therefore, to seewhether or not an observed scat-
ter in log(𝐿H𝛼/𝐿𝑈 ) can be explained entirely by variations in the
dust attenuation,we can use the cross-correlation betweenH𝛼 andH𝛽
to constrain the scatter 𝜎BD in log(𝐿H𝛼/𝐿H𝛽). Since 𝐿H𝛼 and 𝐿H𝛽
are almost strictly proportional to each other, their cross-correlation
coefficient is simply related to 𝜎BD as ln(𝑟

g
H𝛼×H𝛽,P) = −𝜎2BD/2,

which implies a more than 10% decorrelation for a Balmer decre-
ment scatter of 𝜎BD = 0.2 dex.
At 𝑧 ∼ 1.5, for example, by performing a detectability analysis

for the H𝛼–H𝛽 cross-correlation similar to that shown in Fig. 4 for
the case of H𝛼 and 𝑈-band luminosities, we expect 𝑟gH𝛼×H𝛽,P to be
detected at S/N & 40 (after redshift binning, see Section 3.1) by
cross-correlating SPHEREx and Rubin/LSST surveys in all stellar
mass bins except the least massive one, which is somewhat below the
expected mass completeness limit of the Rubin/LSST galaxy survey
anyway. Such a high S/N should allow us to reliably test whether
or not a notable decorrelation, e.g., 𝑟gH𝛼×H𝛽,P < 0.9, between 𝐿H𝛼
and 𝐿H𝛽 exists as a sign of large variations in the Balmer decrement.
This can be compared in turn with level of dust attenuation variations
required to fully account for themeasured scatter𝜎𝛼𝑈 in the H𝛼–UV
BCLF.
Finally, it is also noteworthy that the scatter from dust attenuation

variations will likely increase with stellar mass, since the massive
galaxies tend to be more dust-rich. Therefore, the expected trend
with stellar mass is opposite to that of the burstiness, which may also
help clarify the ambiguity associated with dust attenuation.

4.2 Limitations and implications of the presented method

Despite its great potential for constraining bursty star formation using
forthcoming cosmological survey data sets, the presented framework
based on the EBL–galaxy cross-correlation has a few noteworthy
limitations due to either simplified assumptions or the methodology
itself. First, while being motivated by observations, a rather simplis-
tic description of the BCLF is adopted in this proof-of-concept study.
Potentially more self-consistent and physically-grounded models can
be constructed from the combination of analytic arguments and re-
sults from detailed galaxy simulations, in order to better connect
burstiness observables such as log(𝐿H𝛼/𝐿𝑈 ) to realistic representa-
tions of the time-variable SFHs.Meanwhile, in the presented analysis
we have focused almost entirely on constraining the scatter in theH𝛼–
UV BCLF, whereas any trend between the mean value and 𝑀∗ may
be an additional way to probe bursty star formation.
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Perhaps more importantly, we emphasize the pros and cons of
the presented method when compared to observations of individual
galaxies with instruments such as JWST, which will remain the main-
stream approach for studying bursty star formation in the foreseeable
future. Because of the requirement on a reference galaxy catalog with
not only sufficient depth but also a large sky coverage (nearly 2𝜋 in
the presented case study), it is impossible for the cross-correlation
analysis to reach a comparable mass limit to the galaxy observations
with JWST, which can obtain mass-complete samples of galaxies
with more than 100 times lower stellar masses (see e.g., Bagley
et al. 2023). The most important advantage of the cross-correlation
method is the access to a huge sample size of galaxies that probe
a much larger cosmic volume than typical pencil-beam-like surveys
with JWST. At 𝑧 = 2, for example, the cumulative number densities
of galaxies with stellar mass 𝑀∗ > 107 𝑀� and 𝑀∗ > 109 𝑀� only
differ by a factor of 10 given the shape of the stellar mass function,
whereas photometric galaxy surveys with e.g., Rubin/LSST and Ro-
man typical probe cosmic volumes 1,000 to 10,000 times larger than
JWST programs. The huge statistical sample of galaxies available for
cross-correlation analysis makes it suitable for investigating impacts
of e.g., selection bias, cosmic variance, environmental dependence
on the interpretation of bursty star formation, in addition to simply
providing constraints based on large number statistics that can be
cross-checked with direct observations of individual galaxies.
Notably, the EBL–galaxy cross-correlation as presented already

has some interesting implications for better understanding bursty
star formation and its role in the process of galaxy formation. With
constraints on the H𝛼-UV BCLF in different stellar mass and red-
shift bins, it is possible to identify and distinguish trends predicted
by rival galaxy formation and evolution theories involving different
assumptions/treatments of the physics of e.g., star formation and stel-
lar feedback. This is particularly of interest during 1 . 𝑧 . 2 when
simulations predict the transition from bursty to steady star formation
to happen in many Milky Way progenitor galaxies, which also cor-
relates with the vertical disk settling process (e.g., Stern et al. 2021;
Yu et al. 2022; Gurvich et al. 2023; Hopkins et al. 2023) as a key
milestone in the galaxy formation history. Meanwhile, the expected
constraints on the scatter of log(𝐿H𝛼/𝐿𝑈 ), and thereby the corre-
sponding level of SFR variability, may also shed light on the possible
connection between bursty star formation and the cusp-core transfor-
mation of the dark matter halo profiles (e.g., Pontzen & Governato
2012; Teyssier et al. 2013; Chan et al. 2015; Oñorbe et al. 2015).
Thanks to the huge sample size available for analyses of multiple
sub-samples, the EBL-galaxy cross-correlation can test if the level
of stellar feedback and SFR variability required for modulating the
dark matter profiles is satisfied in different mass and redshift regimes
and cosmological environments.

5 CONCLUSIONS

We have presented a simple, semi-empirical framework to study the
possibility of probing bursty star formation in galaxies at 1 . 𝑧 . 3
using the cross-correlation between data sets from EBL and galaxy
redshift surveys to be available in the next decade. By constructing an
observationally-motivated toymodel for theBCLFofH𝛼 and𝑈-band
continuum luminosities, two commonly-used SFR indicators probing
the recent star formation history on different timescales, we demon-
strate how useful constraints on the BCLF can be obtained from
Fourier-space analysis of the EBL–galaxy cross-correlation signals
in the Poisson-noise limit. Taking the synergy between SPHEREx
and Rubin/LSST surveys as an example, we forecast the detectability

of key observables derived from the summary statistics, in particular
the correlation coefficients, and showcase the expected constraints
on the parameter space from these forthcoming data sets.
Our analysis suggests that useful constraints on the mass and red-

shift evolution of the BCLF as a key measure of the time variability
of the SFH can be placed by the EBL–galaxy cross-correlation, in a
complementarymanner to traditional methods based on observations
of individual galaxies. A similar approach may also be applied to the
same data set to investigate the potential ambiguity that can be caused
by dust attenuation. In summary, the presented framework provides
a novel way to probe bursty star formation and the related physics
in high-redshift galaxies using cosmological data sets. Constraints
from the EBL–galaxy cross-correlation will be useful additions to
deep observations of individual galaxies to be conducted by e.g.,
JWST, thanks to the much greater sample size accessible.
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APPENDIX A: CONNECTIONS TO OTHER STATISTICS

While 𝑟g×,P itself already encodes valuable information about the
burstiness of star formation, there are other observables that are
also informative about the variability of the SFR. Previous studies
have suggested that the full PDF, 𝑃(𝐿H𝛼/𝐿𝑈 ), may be the most
reliable probe of bursty star formation. Thus, it might also be useful
to inspect basic measures of 𝑃(𝐿H𝛼/𝐿𝑈 ) like the mean, 〈𝐿H𝛼/𝐿𝑈 〉,
and the variance, Var (𝐿H𝛼/𝐿𝑈 ). Using Taylor expansion to the

second order, we can approximate them as〈
𝐿H𝛼
𝐿𝑈

〉
=

〈𝐿H𝛼〉
〈𝐿𝑈 〉 − Cov(𝐿H𝛼, 𝐿𝑈 )

〈𝐿𝑈 〉2
+ Var(𝐿𝑈 )〈𝐿H𝛼〉

〈𝐿𝑈 〉3
(A1)

and

Var
(
𝐿H𝛼
𝐿𝑈

)
=

[
Var(𝐿H𝛼)
〈𝐿H𝛼〉2

− 2Cov(𝐿H𝛼, 𝐿𝑈 )
〈𝐿H𝛼〉〈𝐿𝑈 〉 + Var(𝐿𝑈 )

〈𝐿𝑈 〉2

]
× 〈𝐿H𝛼〉2

〈𝐿𝑈 〉2
. (A2)

By definition, the covariance and variances can be written as
Cov(𝐿H𝛼, 𝐿𝑈 ) = 〈𝐿H𝛼𝐿𝑈 〉 − 〈𝐿H𝛼〉〈𝐿𝑈 〉, Var(𝐿H𝛼) = 〈𝐿2H𝛼〉 −
〈𝐿H𝛼〉2, and Var(𝐿𝑈 ) = 〈𝐿2

𝑈
〉 − 〈𝐿𝑈 〉2. As shown in Section 2.3.1,

while 〈O(𝐿)〉 terms can be readily derived from cross-power spectra
of intensity maps and galaxies, wemust resort to the UV–UV–galaxy,
H𝛼–H𝛼–galaxy, and H𝛼–UV–galaxy cross-bispectra to estimate the
〈O(𝐿2)〉 terms, as in the case of 𝑟g×,P.

APPENDIX B: BIASES OF GALAXIES AND INTENSITIES
OF H𝛼 AND UV EMISSION

In what follows, we specify how we estimate biases of the tracers of
interest (galaxies, H𝛼 and UV emission). While these bias factors do
not directly enter our main analysis, which is limited to the Poisson-
noise-dominated regime, they are essential for verifying the range of
valid ℓ’s where our analysis should be performed, without substantial
contamination from the clustering signals. Generally, we can express
the average bias factor as

𝑏𝑖 (𝑧) =
∫
𝑑𝑀∗𝜓(𝑀∗, 𝑧)𝑏(𝑀∗ 𝑓 −1SHMR, 𝑧)W𝑖 (𝑀∗, 𝑧)∫

𝑑𝑀∗𝜓(𝑀∗, 𝑧)W𝑖 (𝑀∗, 𝑧)
, (B1)

where 𝑏(𝑀, 𝑧) is the halo bias (Sheth et al. 2001), 𝑓 −1SHMR is the in-
verse of the stellar-to-halo mass ratio (Behroozi et al. 2019), and
W𝑖 is some weighting function that varies for different signals.
For the bias factor of galaxies, 〈𝑏〉g (𝑧), we assume Wg (𝑀∗, 𝑧) =

〈𝑁g〉(𝑀∗ 𝑓 −1SHMR, 𝑧), where 𝑁g = 𝑁cen + 𝑁sat follows the halo occu-
pation distribution (HOD) parameterization in Zheng et al. (2005).
To estimate the bias factors of H𝛼 and UV emission, 𝑏H𝛼 (𝑧)
and 𝑏𝑈 (𝑧), we assume WH𝛼 (𝑀∗, 𝑧) = �̄�H𝛼 [�̄�𝑈 (𝑀∗), 𝑧] and
W𝑈 (𝑀∗, 𝑧) = �̄�𝑈 (𝑀∗, 𝑧), respectively.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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We investigate the properties of dark energy halos in models with a nonminimal coupling in the
dark sector. We show, using a quasistatic approximation, that a coupling of the mass of dark matter
particles to a standard quintessence scalar field φ generally leads to the formation of dark energy
concentrations in and around compact dark matter objects. These are associated with regions where
scalar field gradients are large and the dark energy equation of state parameter is close to −1/3. We
find that the energy and radius of a dark energy halo are approximately given by Ehalo ∼ β2ϕm
and rhalo ∼

√

β ϕ(R/H), where ϕ = Gm/(Rc2), m and R are, respectively, the mass and radius of
the associated dark matter object, β = −d lnm/dφ is the nonminimal coupling strength parameter,
H is the Hubble parameter, G is the gravitational constant, and c is the speed of light in vacuum.
We further show that current observational limits on β over a wide redshift range lead to stringent
constraints on Ehalo/m and, therefore, on the impact of dark energy halos on the value of the dark
energy equation of state parameter. We also briefly comment on potential backreaction effects that
may be associated with the breakdown of the quasistatic approximation and determine the regions
of parameter space where such a breakdown might be expected to occur.

I. INTRODUCTION

In general relativity an exotic dark energy (DE) fluid
[1–3] dominating the energy density of the Universe is
required in order to explain the recent acceleration of
the expansion of the Universe [4–6]. Various observa-
tions also suggest that matter in the Universe is primar-
ily nonbaryonic and dark [6, 7]. Despite their importance
for the dynamics of the Universe, the physical nature of
nonbaryonic dark matter (DM) and DE remains largely
unknown. In particular, it is not known whether or not
DM and DE are nonminimally coupled [8–11], or even if
they could be associated with a single DE fluid [12, 13].
It is also possible that general relativity may not pro-
vide an accurate description of gravity on cosmological
scales, and that DE and/or DM could be manifestations
of modified gravity [14–16].

The coupling of the mass of DM particles to a DE
scalar field [9–11] has been shown to give rise to DE me-
diated fifth forces between DM particles as well as veloc-
ity dependent forces. These forces can affect the linear
growth of cosmological perturbations [17–19], and may
also play a crucial role on nonlinear scales with a poten-
tial impact on the dynamics of galaxies and clusters of
galaxies [20–26]. Also, a nonminimal coupling between
DM and DE has been claimed to alleviate some cosmic
tensions [27–32], including the apparent discrepancy be-
tween local and high redshift constraints on the value of
the Hubble parameter, making this a promising avenue
of research.

∗Electronic address: pedro.avelino@astro.up.pt

Although many studies do not explicitly consider
them, local variations in the DE have been shown to
play an important role in the context of growing neu-
trino models, with a potentially significant backreaction
on the background evolution of the Universe [33–35]. It
has also been shown that the dynamics of DM particles
nonminimally coupled to a DE field may be affected by
backreaction effects with a possible impact on structure
formation and on the large scale dynamics of the Universe
[36].
This paper aims to characterize the properties of DE

halos resulting from a nonminimal coupling between DM
and a DE scalar field. We shall work in the context
of the quasistatic approximation, which essentially con-
sists in neglecting terms involving time derivatives in the
perturbed field equations. This approximation has been
previously used to investigate local variations of the fine-
structure constant inside virialized objects in the context
of a DE model with a nonminimal coupling to the elec-
tromagnetic field [37]. It has also been frequently used in
the context of other DE and modified gravity scenarios
[38–41]. The quasistatic approximation is particularly
useful when considering small subhorizon scales, since
the dynamics of perturbation modes with a wave number
significantly smaller than the Hubble radius is in general
expected to be dominated by the terms containing spatial
derivatives in the equations of motion. Under these con-
ditions, the quasistatic approximation may significantly
simplify the perturbation equations, and allow for an an-
alytical treatment.
The outline of this paper is as follows. In Sec. II we de-

scribe a generic family of quintessence models with a non-
minimal coupling to the DM and derive the correspond-
ing equations of motion. In Sec. III we use the quasistatic
approximation to compute the scalar field perturbations

http://arxiv.org/abs/2305.08843v1
mailto:pedro.avelino@astro.up.pt
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around compact DM objects, discussing the conditions
required for its applicability. In Sec. IV we estimate the
energy and radius of a DE halo surrounding a compact
DM object, as well as the corresponding DE equation of
state parameter. We also provide a lower bound to the
contribution of DE perturbations inside compact DM ob-
jects. Finally, we discuss the implications of our results
and conclude in Sec. V.
Throughout this paper we use units where the speed

of light in vacuum is equal c = 1. We also adopt the
metric signature (−,+,+,+). The Einstein summation
convention will be used when a greek index appears twice
in a single term, once in an upper (superscript) and once
in a lower (subscript) position.

II. NONMINIMALLY INTERACTING DARK

SECTOR

In this paper we consider a class of models for the
dark sector with a nonminimal coupling between DM and
a standard quintessence scalar field (which plays a DE
role). These models are described by the action

S =

∫

d2x
√−gL , (1)

where the Lagrangian L is given by

L = LDE + LDM , (2)

with

LDE = X − V (φ) , (3)

LDM = f(φ)LDM∗ . (4)

Here X = −∇µφ∇µφ/2 is a standard kinetic term, V (φ)
is the scalar field potential,

LDM = f(φ)LDM∗ (5)

is the nonminimally coupled DM Lagrangian (LDM∗ de-
noting the minimally coupled DM Lagrangian). The
components of the DM and DE energy-momentum ten-
sors are given by

T µν
DM

=
2√−g

δ(
√−gLDM)

δgµν
= f(φ)T µν

DM∗
, (6)

T µν
DE

=
2√−g

δ(
√−gLDE)

δgµν

= ∇µφ∇νφ+ gµνLDE , (7)

where g = det(gµν), gµν are the components of the metric
tensor, and

T µν
DM∗

=
2√−g

δ(
√−gLDM∗)

δgµν
. (8)

As a consequence of the nonminimal coupling to the
quintessence scalar field, the mass m of a DM particle
or a compact DM object is a function of φ with

m(φ) = f(φ)m∗ , (9)

where m∗ is the mass that the particle would have if
f(φ) = 1.

A. Scalar field dynamics in a flat

Friedmann-Lemâıtre-Robertson-Walker universe

Consider a flat homogeneous and isotropic universe,
described by the Friedmann-Lemâıtre-Robertson-Walker
metric. The corresponding line element is given by

ds2 = −dt2 + a2[t]d~q · d~q
= −dt2 + a2[t]

(

dq2 + q2(dθ2 + sin2 θdφ2)
)

,(10)

where a[t] is the scale factor, t is the physical time, ~q
are comoving Cartesian coordinates, and (q, θ, φ) are co-
moving spherical coordinates. If the DM particles are
nonrelativistic, then the dynamics of the nonminimally
coupled quintessence scalar field φ[t, ~q ] is given by [36]

�φ = −φ̈− 3Hφ̇+∇2φ = α− β
∑

i

miδ
3[~r − ~ri] , (11)

where � ≡ ∇µ∇µ is the d’Alembertian, a dot represents
a derivative with respect to the physical time t, ~r = a~q,
mi and ~ri = a~qi are, respectively, the masses and posi-
tions of the DM particles, ∇2φ ≡ ∇2

~q φ/a
2, δ3[~r ] is the

three-dimensional Dirac delta function, and

α[φ] ≡ dV

dφ
, (12)

β[φ] ≡ −d lnm

dφ
= −d ln f

dφ
. (13)

III. QUASISTATIC APPROXIMATION

Consider a single compact DM object of mass m co-
moving with the expansion of the Universe at ~r = ~0. In
the quasistatic approximation the field φ may be written
as φ[t, ~r ] = φ̄[t] + δφ, with

¨̄φ+ 3H ˙̄φ = −α[φ̄] , (14)

∇2δφ = −β[φ̄]m[φ̄]δ3[~r ] , (15)

where Eq. (14) implies that φ̄ is a function only of the
physical time (φ̄ = φ̄[t]). This is expected to be a good
approximation as long as

| ˙δφ| ∼< | ˙̄φ| , (16)

|δφ| ∼<
∣

∣

∣

∣

d lnα

dφ

∣

∣

∣

∣

−1

, (17)

|δφ| ∼<
∣

∣

∣

∣

d ln(βm)

dφ

∣

∣

∣

∣

−1

. (18)
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The nonzero components of the energy-momentum
tensor of the DE field are

T t
t = T t

t + δT t
t , (19)

T t
q = T t

q + δT t
q , (20)

T q
q = T q

q + δT q
q , (21)

T θ
θ = T θ

θ + δT θ
θ , (22)

T φ
φ = T θ

θ , (23)

with

T t
t = −1

2
˙̄φ2 − V [φ̄] , (24)

T t
q = 0 , (25)

T q
q = T θ

θ[φ̄] = T φ
φ[φ̄] =

1

2
˙̄φ2 − V [φ̄] , (26)

and

δT t
t = −1

2
(δφ)′2 − α[φ̄]δφ , (27)

δT t
q = −a ˙̄φ (δφ)′ , (28)

δT q
q =

1

2
(δφ)′2 − α[φ̄]δφ , (29)

δT θ
θ = δT φ

φ = −1

2
(δφ)′2 − α[φ̄]δφ , (30)

where (δφ)′ ≡ a−1∂φ/∂q.
Let us also compute the proper density and pressure

associated with the background evolution of the scalar
field φ̄[t],

ρ̄DE = −T t
t =

1

2
˙̄φ2 + V [φ̄] , (31)

p̄DE =
1

3

(

T q
q + T θ

θ + T φ
φ

)

=
1

2
˙̄φ2 − V [φ̄] , (32)

and define the current values of the corresponding equa-
tion of state and fractional energy density parameters:

w̄ ≡ p̄DE/ρ̄DE , (33)

Ω̄DE ≡ 8πGρ̄DE

3H2
. (34)

Notice that

˙̄φ
2

= (1 + w̄)ρ̄DE =
3H2(1 + w̄)Ω̄DE

8πG
, (35)

V (φ) = (1 − w̄)ρ̄DE =
3H2(1 − w̄)Ω̄DE

8πG
. (36)

A. Quasistatic solution

The quasistatic solution to Eq. (15) outside a compact
DM object of radius R is given by

δφ[t, r] = δφ[t, R]
R

r
, r = |~r | ≥ R , (37)

where

δφ[t, R] =
βm

4πR
. (38)

The DE flux towards the interior of a sphere of radius
r ≥ R centered on the DM compact object is

−4πr2 ˙̄φ (δφ)′ = β ˙̄φm = ṁ , (39)

thus accounting for the change of the object’s mass.
Calculating the partial derivative of δφ with respect to

the physical time t (at fixed q = r/a[t]) one obtains

˙δφ =

(

d ln(βm)

dφ
˙̄φ−H

)

δφ , (40)

where H ≡ ȧ/a is the Hubble parameter. The condi-
tions given in Eqs. (16) and (18) thus imply that the
quasistatic approximation is expected to be a good ap-
proximation for

( ˙δφ)2 ∼ H2δφ2

∼<
˙̄φ
2

, (41)

or, equivalently,

r

R ∼> 2
β2

|k|ϕ . (42)

Here, β is the nonminimal coupling strength parameter
defined by

β ≡ β√
8πG

, (43)

k[a] ≡ d lnm

d ln a
= −β ˙̄φ

H
= −β

√

3(1 + w̄)Ω̄DE (44)

is a related cosmological coupling strength parameter also
used often in the literature, and

ϕ ≡ Gm

R
(45)

is the Newtonian gravitational potential at the surface of
the compact DM object. Equation (42) implies that the
condition

|k| ∼> 2β2ϕ (46)

is required in order to ensure that the quasistatic approx-
imation is valid for all r > R.

IV. DE HALOS

The energy density fluctuations of the quintessence
scalar field δρ = −δT t

t = (δφ)′2/2 + α[φ̄]δφ are the sum
of two contributions: (1) the one directly associated with
the scalar field gradients (δφ)′2/2 ∝ r−4 and (2) the one



4

associated with spatial variations of the potential energy
α[φ̄]δφ ∝ r−1. The first one provides a contribution that
is essentially localized in and around the particle, while
the second one is strongly dependent on how one defines
the halo radius rhalo. In fact, the energy perturbation
inside a sphere of radius rhalo centered on the compact
DM object associated with contribution 2 is given by

δEV [rhalo] = 4π

∫ rhalo

0

α[φ̄]δφr2dr

= 2πα[φ̄]δφ[t, R]Rr2halo

=
3

2

(

α[φ̄]δφ[t, R]

V [φ̄]

)

R

rhalo
EV , , (47)

where EV = 4πr3
halo

V [φ̄]/3. Hence, if |α[φ̄]δφ[t, R]| ≪
V [φ̄] or R ≪ rhalo, then this contribution may be ne-
glected. Therefore, in this paper we shall focus only on
the contribution directly associated with the scalar field
gradients.

A. Halo energy

The total energy associated with the scalar field gra-
dients outside a sphere of radius R centered at r = 0 is
given by

Eout

G [t] = 2π

∫

∞

R

(δφ)′2r2dr = β2ϕm , (48)

which will be our best estimate of the total energy of a
DE halo (Ehalo ∼ Eout

G
). For ϕ ≡ Gm/R ∼> 1 this result

should be taken as a rough estimate, since the impact
of the local gravitational field on the dynamics of the
quintessence scalar field has not been taken into account.

B. Halo radius

The radius of a DE halo may be determined by defining
the halo as the region where the energy density associated
with the scalar field gradients exceeds the background
energy density or, equivalently, (δφ)′2/2 > 3H2/(8πG).
This happens for values of r smaller than

rhalo[t] =

(

√

2

3
β ϕ

R

H

)1/2

. (49)

Here we implicitly assume that R <
√

2/3βϕH−1 or,
equivalently, that rhalo > R.

C. Equation of state

Within a DE halo the DE equation of state parameter,

wDE ≡ pDE

ρDE

=
p̄DE + δpDE

ρ̄DE + δρDE

, (50)

is dominated by the contribution of the scalar field gradi-
ents to the DE proper density and pressure. These satisfy
δpG = −(δφ)′2/6 = −δρG/3 or, equivalently,

wG ≡ δpG
δρG

= −1

3
. (51)

Hence, the DE equation of state parameter is expected to
be close to −1/3 within an halo, especially in its central
regions.

D. DE perturbations inside compact DM objects

The knowledge of the density profile inside a compact
DM object would be required in order to accurately com-
pute the energy Ein

G
associated with the scalar field gra-

dients for r < R — notice that this contribution would
vanish if and only if all the mass was located at the sur-
face of the object, which would be utterly unrealistic.
Here we will provide a rough estimate of Ein

G
, assuming

that Gm/r is always significantly smaller than unity and
that the DM energy density distribution for r < R is uni-
form. In this case, the quasistatic solution to Eq. (15) is
given by

δφ[t, r] =
3

2
δφ[t, R]

(

1− 1

3

( r

R

)2
)

. (52)

The total energy directly associated to the scalar field
gradients inside the compact DM object would then be
equal to

Ein

G [t] = 2π

∫ R

0

(δφ)′2r2dr =
1

5
Eout

G [t] , (53)

so that ∼ 17% of the energy associated with the scalar
field gradients would be located inside the DM object.
In general one would expect the DM energy density to
be a decreasing function of r. Therefore, this should be
regarded as a lower limit on Ein

G
.

V. DISCUSSION AND CONCLUSIONS

In this paper we characterized the properties of DE
concentrations that are expected to form in and around
compact DM objects as a consequence of a coupling of the
mass of DM particles to a standard quintessence scalar
field. We determined the dependence of the energy and
radius of a DE halo on the nonminimal coupling strength
and Hubble parameters, and on the mass and radius of
the associated compact DM object. We have also shown
that deep inside a DE halo the equation of state parame-
ter is close to -1/3 and estimated the contribution of the
DE energy perturbations inside DM objects.
Although the results presented in this paper were ob-

tained considering a single comoving compact DM object,
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they should also hold in the case of a network of nonrel-
ativistic DM objects. However, in this case the back-
ground evolution of the DE scalar field will be affected
by the energy transfer between DE to DM. Although this
effect needs to be considered for an accurate characteri-
zation of the background dynamics of the DE scalar field,
it is not expected to significantly change our main results.
Also, our results were obtained in the context of the qua-
sistatic approximation, assuming that local contributions
to the evolution of the mass of dark matter particles can
be neglected. If that is not the case a breakdown of the
quasistatic approximation is expected, which can be as-
sociated with a significant transfer of linear-momentum
between moving DM particles and the DE scalar field
[36].
Scalar field gradients associated with the coupling of

the mass of DM particles to a DE scalar field give rise
to attractive fifth forces between DM particles whose
strength is equal to 2β2 times that of gravitational forces.
In addition to these, energy-momentum conservation in
general relativity requires that any change of the proper
mass of a compact DM object associated with the non-
minimal coupling to the DE scalar field should be com-
pensated by a corresponding decrease of its speed with
respect to the local cosmological frame, assuming that
backreaction effects associated with a significant transfer
of linear momentum from moving DM particles to the
DE scalar field can be neglected (which is expected to be
the case as long as the quasistatic approximation holds
everywhere). This effect essentially changes the strength
of the velocity dependent cosmological damping of the
speed of compact DM objects by a factor of 1 + k.

The velocity dependent forces and fifth forces in cou-
pled DE energy models have an impact on the growth
of cosmic structures which can be constrained observa-
tionally. A tomographic analysis of coupled DE has been
performed in [42], where a significant redshift dependence
of the constraints on the coupling strength has been
found (assuming, for simplicity, a non-negative coupling
strength parameter): β ∼< 0.1 at z < 5, and β ∼< 0.05
in the redshift range 5 < z < 500, while β ∼< 0.02 for
a constant coupling case (at 68% confidence level). This
imposes stringent constraints on the ratio between the
energy of a DE halo and the mass of the associated com-
pact DM object: Ehalo/m ∼ 0.01ϕ at z < 5. It also
precludes any substantial contribution (i.e., exceeding a
subpercent level) of DE halos to the DE equation of state
parameter. Whether these limits can be relaxed by con-
sidering broader families of coupled DE models will be
the subject of future work.
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ABSTRACT

We present the discovery of TOI-1994 b, a low-mass brown dwarf transiting a hot subgiant star on

a moderately eccentric orbit. TOI-1994 has an effective temperature of 7700+720
−410 K, V magnitude of

10.51 mag and log(g) of 3.982+0.067
−0.065. The brown dwarf has a mass of 22.1+2.6

−2.5MJ, a period of 4.034 days,

an eccentricity of 0.341+0.054
−0.059, and a radius of 1.220+0.082

−0.071RJ. TOI-1994 b is more eccentric than other

transiting brown dwarfs with similar masses and periods.The population of low mass brown dwarfs

may have properties similar to planetary systems if they were formed in the same way, but the short

orbital period and high eccentricity of TOI-1994 b may contrast this theory. An evolved host provides

a valuable opportunity to understand the influence stellar evolution has on the substellar companion’s

fundamental properties. With precise age, mass, and radius, the global analysis and characterization of

TOI-1994 b augments the small number of transiting brown dwarfs and allows the testing of substellar

evolution models.
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1. INTRODUCTION

Brown dwarfs are substellar objects that burn deu-

terium and have masses between those of planets and

stars. A compact object’s ability to burn deuterium is

primarily defined by the mass of the object, but the

most common definition is debated in the astronomi-

cal community. The International Astronomical Union

(IAU) uses the limiting mass for thermonuclear fusion

of deuterium as the lower limit for brown dwarfs, which

is around 13 MJ for objects of solar metallicity (Boss

2007).

There are arguments that the definition of a brown

dwarf should instead be based on formation mechanisms

rather than mass. They suggest that large planets can

burn deuterium similar to brown dwarfs, and that the

two domains overlap when using the IAU definition. This

new definition based on formation mechanisms of brown

dwarfs considers whether the substellar object possibly

formed more like a star or like a planet. This suggests

that the brown dwarf regime is simply the tail end of

the planetary and stellar formation mechanisms. Solidi-

fying this definition proves to be difficult since formation

theory is incomplete, the boundary between formation

mechanisms is unclear, and we have no definitive way of

knowing how a particular object formed (Burrows et al.

2001; Grieves et al. 2021).

It is possible that different formation mechanisms lead

to different populations of brown dwarf companions. Ma

& Ge (2014) discovered that the brown dwarf popula-

tion can be split at around 42.5 MJ based on eccen-

tricity. Lower mass brown dwarfs display an eccentric-

ity distribution consistent with massive planets, while

higher mass brown dwarfs have an eccentricity distri-

bution similar to binary stars. This could suggest that

brown dwarfs with mass < 42.5MJ form similar to plan-

ets in protoplanetary disks and > 42.5MJ form similarly

to stellar binaries (although see Schlaufman (2018) for

an alternate proposal to this boundary). More recent

studies found a similar brown dwarf eccentricity distri-

butions using larger populations (Grieves et al. 2017;

Kiefer, F. et al. 2021; Grieves et al. 2021).

Compared to giant planets and stars, brown dwarfs

are less often detected as short period companions

around main sequence stars (Grether & Lineweaver

2006; Sahlmann et al. 2011). Although this result is

slowly changing in recent years due to space based pho-

tometry, brown dwarfs still have a lower occurrence rate

according to more recent studies (eg., Grieves et al.

(2017); Kiefer, F. et al. (2021)). The lack of brown dwarf

companions with periods less than 100 days is com-

monly referred to as the “brown dwarf desert.” This

desert may be caused by the different formation mech-

anisms for low mass and high mass brown dwarfs. The

transition point between planet formation and binary

star formation is not fully understood. Well character-

ized brown dwarf companions are required to provide

insight into the brown dwarf desert and formation mech-

anisms. Specifically, transiting brown dwarf companions

with precisely calculated radii are quite valuable. With a

tight age, and precise brown dwarf mass, radius and ec-

centricity, we can directly test substellar evolution mod-

els (eg. Carmichael et al. (2021); Vowell et al. (2023)).

Space-based photometric missions make discovering

transiting brown dwarfs more accessible. The Transit-

ing Exoplanet Survey Satellite (TESS ; Ricker et al.

2015) is a space-based photometric survey with a pri-

mary mission of discovering transiting exoplanets. TESS

was launched in 2018 and has currently confirmed 330

planets with over 6,400 planet candidates identified as

of 24 April 2023 1, as well as monitoring known exoplan-

etary systems (Kane et al. 2021). In addition to planets,

TESS is able to detect transiting brown dwarf compan-

ions. Out of the 39 confirmed transiting brown dwarf

companions currently known, TESS has discovered al-

most half (Grieves et al. 2021; Cañas et al. 2022; Psaridi

et al. 2022; Carmichael et al. 2022; Sebastian et al. 2022;

Lin et al. 2022; Vowell et al. 2023). The use of TESS to

detect transiting brown dwarf companions enables the

determination of precise radii, and may therefore illumi-

nate the brown dwarf desert and associated formation

mechanisms.

We report the discovery of TOI-1994 b, a low mass

brown dwarf with moderate eccentricity transiting an

evolved star. TOI-1994 b is one of only six known

brown dwarf companions transiting an evolved star

(Carmichael et al. 2021; Psaridi et al. 2022; Lin et al.

2022). The moderate eccentricity of TOI-1994 b may

present a discrepancy with previous attempts to define

brown dwarfs using eccentricity distributions to deter-

mine formation mechanisms.

1 https://exoplanetarchive.ipac.caltech.edu/

https://exoplanetarchive.ipac.caltech.edu/
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In Section 2, we present the TESS discovery and spec-

troscopic follow up observations for TOI-1994 b. Section

3 describes the EXOFASTv2 global fit and presents final

parameters for the TOI-1994 system. Section 4 discusses

the ways that TOI-1994 b is unique and how it compares

to other brown dwarf companions.

2. DISCOVERY AND FOLLOW UP

OBSERVATIONS

2.1. TESS Discovery

TESS 2 (Ricker et al. 2015) is a near all-sky photo-

metric survey searching for exoplanets transiting mainly

nearby bright main sequence stars. TESS splits most of

the sky into sectors and observes each for a minimum

time baseline of 27 days. During the first two years of

the mission, TESS observed about 160,000 selected stars

at a 2-min cadence, and obtained 30-min cadence Full

Frame Images (FFIs) for the entire sector region. In July

of 2022, TESS completed its primary mission and began

its first Extended Mission which switched to a 10-min

cadence for FFIs. Starting in September of 2022, TESS

began its second Extended Mission and increased the

cadence for the FFIs to 200 seconds.

TESS observed TIC 445903569 in sectors 9, 10, and

36. TESS obtained 30-min FFIs in sectors 9 and 10 and

10-min FFIs in sector 36. In addition, TIC 445903569

was observed during sector 36 in 2-min cadence. Ini-

tial transits were detected by the Quick-Look Pipeline

(QLP; Huang et al. 2020) using data taken from the 30-

min FFIs from sectors 9 and 10. In October of 2021,

the TESS Object of Interest (TOI) team at MIT iden-

tified TIC 445903569 as a host star candidate using

the QLP light curves, and designated it TOI-1994 us-

ing the process described in Guerrero et al. (2021). The

later 2-min cadence TESS observations from sector 36

were processed using the Science Processing Operations

Center (SPOC; Jenkins et al. 2016) pipeline from the

NASA Ames Research Center, which produced PDC-

SAP lightcurves we used Stumpe et al. (2012, 2014);

Smith et al. (2012). The SPOC conducted a transit

search of Sector 36 on 14 April 2021 with an adaptive,

noise-compensating matched filter (Jenkins 2002; Jenk-

ins et al. 2010, 2020) , producing a TCE for which an

initial limb-darkened transit model was fitted (Li et al.

2019) and a suite of diagnostic tests were conducted to

help make or break the planetary nature of the signal

(Twicken et al. 2018). The signal was repeatedly recov-

ered as additional observations were made in sectors 62

2 All the TESS data used in this paper can be found in MAST:
10.17909/t9-nmc8-f686 and 10.17909/t9-r086-e880.

and 63, and the transit signature passed all the diag-

nostic tests presented in the Data Validation reports.

The host star is located within 2.09± 2.51 arcsec of the

source of the transit signal. We used the lightkurve

python package (Lightkurve Collaboration et al. 2018)

to collect the light curves from the Mikulski Archive for

Space Telescopes (MAST) and flattened the data using

Keplerspline 3.

Figure 1 shows the light curves of TIC 445903569 from

the SPOC and QLP pipelines, folded to the period of the

transit. The transits have a depth of 3.23 ppt, a period

of 4.0337142 days, and duration of 3.82 hours.

2.2. Follow Up Photometry

We acquired ground-based time-series photometry as

part of the TESS Follow-up Observing Program (TFOP;

Collins et al. (2018)). We used the TESS Transit Finder,

a customized version of the Tapir software package

(Jensen 2013) to schedule our observations.

We observed three transit events with the Las Cum-

bres Observatory Global Telescope Network (LCOGT;

Brown et al. 2013) 1 m telescopes and Sinistro cameras.

We observed an egress on 2020 November 23 in the z

band from the Siding Spring Observatory node, a full

transit on 2021 February 8 in z from Cerro Tololo Inter-

american Observatory (CTIO), and a full transit minus

egress on 2021 February 15 in B, again from CTIO. The

data were reduced using the LCOGT facility BANZAI

pipeline (McCully et al. 2018), and the light curves ex-

tracted using AstroImageJ (Collins et al. 2017).

We observed a full transit in Johnson-Cousins Rc-

band on UT20210207 using the Evans 0.36m telescope at

El Sauce Observatory in Coquimbo Province, Chile. The

telescope was equipped with a ST1603-3 CCD camera

with 1536 x 1024 pixels binned 2 x 2 in-camera resulting

in an image scale of 1.47”/pixel. The photometric data

was obtained from 116 x 25 secs and 870 x 30 secs ex-

posures, after standard calibration, using a circular 7.4”

aperture in AstroImageJ (Collins et al. 2017).

These ground-based photometry showed that the

transit occurred on-target on the expected host star,

and was achromatic, thus helping to vet the candidate

for further follow-up observations.

We jointly modeled all three ground-based light curves

(taken in the B, Rc, and PANSTARRS z-short pass-

bands) and allowed the dilution to vary independently

for two of the bands relative to the third, mimicking the

case where the occulting body or a third source con-

tributes significantly to the observed lightcurve. Figure

3 https://github.com/avanderburg/keplerspline

http://dx.doi.org/10.17909/t9-nmc8-f686
http://dx.doi.org/10.17909/t9-r086-e880
https://github.com/avanderburg/keplerspline
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Figure 1. Discovery light curves from TESS for TOI-1994 b using 2-min cadence data from the SPOC pipeline from Sector 36
(blue dots) and 30-min cadence data from the QLP pipeline from Sectors 9 and 10 (green diamonds). The black line represents a
model fit from the EXOFASTv2 described in Section 3. The curves are phase-folded to a period of 4.0337142 days. The residuals
for the best fit model are shown in the bottom panel.

Figure 2. Ground-based lightcurves taken in B, Rc and
PANSTARRS z-short passbands plotted with corresponding
models. The depth of the transit is consistent across these
passbands.

2 displays these three ground-based lightcurves and the

joint model. We find all dilution factors to be within

1σ of zero, showing no indication of differential dilu-

tion in the photometric apertures. We then fit the light

curves with no dilution and found Rp/R∗ = 0.053+0.002
−0.001,

which is within 1σ of the Rp/R∗ value found from the

EXOFASTv2 global fit, confirming consistency with the

TESS aperture crowding correction factor. We also find

an orbital period of P = 4.0337339+0.0000084
−0.0000077 days, which

is within 2σ of the period we find from the joint model

of the TESS plus radial velocity data in the global fit.

2.3. Spectroscopic Observations

To measure the mass of the transiting object, we ob-

tained high-resolution spectroscopy of TOI-1994 from

ground-based telescopes to extract radial velocities

(RVs).

TOI-1994 b was spectroscopically observed by the

MINERVA-Australis telescope array in Toowoomba,

Australia at the University of Southern Queensland’s

Mount Kent Observatory. The telescopes T3, T4 and T5

were used for spectroscopic observations of TOI-1994.

Each MINERVA-Australis telescope uses fiber optic ca-

bles to feed light into a spectrograph reaching resolution

R = 80000 for wavelengths from 480 to 630 nm (Addison

et al. 2019).

A total of 47 spectra were taken by MINERVA-

Australis between 2021 June 5 and 2021 July 12 with

an exposure time of 3600s.

We also collected a 23 measurements with the CHI-

RON spectrograph (Tokovinin et al. 2013) on the 1.5-m

SMARTS telescope at the Cerro Tololo Inter-American

Observatory (CTIO) in Chile. The observations were ob-

tained between 2021 November 6 and 2022 May 1, span-

ning the phase of TOI-1994 b. We employed the fiber-fed

image slicer to yield a resolving power of R ∼ 80, 000

between 4100 and 8700 Å. The typical exposure time
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Figure 3. Radial velocities for TOI-1994 from CHIRON and three MINERVA-Australis telescopes. The black line represents
the global fit model from the EXOFASTv2 described in Section 3. The curve is phase-folded to a period of 4.0337142 days. The
residuals for the best fit model are shown below the radial velocity curve.

was 800 seconds and resulted in a mean S/N per res-

olution element of 65. We used the optimal extraction

provided by the CHIRON team, described in Paredes

et al. (2021), and extracted radial velocities by fitting

line profiles derived by least-squares deconvolution of

the observed spectra against synthetic templates (Do-

nati et al. 1997; Zhou et al. 2020).

We note that TOI-1994 is fast-rotating, with vsini >

45 km s−1. This makes it difficult to extract reliable

stellar parameters from the spectra, and affects the RV

precision we are able to achieve. In the global fit below,

we adopt stellar parameters from the TIC for starting
points of the analysis.

The first ten radial velocities from the MINERVA-

Australis telescope array and CHIRON are listed in Ta-

ble 1. The full list of RV observations are available online

as a machine readable table. The RVs with the best fit

model are shown in Figure 3 phase-folded using the pe-

riod and epoch from the EXOFASTv2 global analysis

described in section 3.

2.4. SOAR Speckle High Resolution Imaging

The presence of unresolved luminous companions can

complicate the characterization of a transiting system

by diluting the true transit depth, or even creating a

false positive signal (Ciardi et al. 2015). To search for

any such companions, we used high resolution speckle

imaging.

Table 1. Radial velocity observations of TOI-1994 (all RV obser-
vations are available online as a machine readable table)

BJDTDB − 2450000.0 RV (m s−1) σRV (m s−1) Facility

9370.97041 . . . . . . . . . −2600 750 MINERVA T3

9370.97041 . . . . . . . . . −2000 710 MINERVA T5

9370.97041 . . . . . . . . . −3740 910 MINERVA T4

9377.92662 . . . . . . . . . −150 770 MINERVA T3

9377.92662 . . . . . . . . . 1000 450 MINERVA T5

9524.84483 . . . . . . . . . −1160 700 CHIRON

9533.84916 . . . . . . . . . 376 520 CHIRON

9533.86065 . . . . . . . . . 220 466 CHIRON

9535.86140 . . . . . . . . . 715 510 CHIRON

9537.85895 . . . . . . . . . 369 755 CHIRON

TOI-1994 was observed by the 4.1m Southern Astro-

physical Research (SOAR) telescope using the I filter on

on October 31st, 2020. A description of the instrument

is found in Tokovinin (2018) and observation details are

described in Ziegler et al. (2021). Figure 4 displays the

5σ detection sensitivity and inset auto correlation func-

tion (ACF) taken on October 31st, 2020 from SOAR.

The speckle observations are sensitive to companion

objects down to a ∆ mag of 6.5 at 1”. These observations

show that there are no close stellar companions within

3” of TOI-1994. We therefore rule out the possibility of

a false positive caused by a nearby stellar companion.
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Figure 4. Speckle imaging from SOAR of TOI-1994. The
points represent 5σ detection sensitivity and the inset dis-
plays ACF from SOAR. No stellar companions are found
within 3” down to the detection limits.

3. EXOFASTV2 GLOBAL FITS

We simultaneously modeled the transit photometry

and RVs using EXOFASTv2, an exoplanet-fitting soft-

ware package written in IDL (Eastman et al. 2013; East-

man 2017; Eastman et al. 2019). This tool allows us to fit

multiple data sets simultaneously using a Markov Chain

Monte Carlo (MCMC) analysis.

EXOFASTv2 uses starting points for stellar prop-

erties, the spectral energy distribution, and MESA

Isochrones and Stellar Tracks (MIST) in order to model

the host star (Dotter 2016; Choi et al. 2016). The spec-

tral energy distribution we used as a part of the global

model in EXOFASTv2 is given in Table 2.

We began the global modeling process by running

an initial EXOFASTv2 fit using the TESS photome-

try and the RVs from the CHIRON spectrograph on the

SMARTS 1.5-m telescope discussed in sections 2.1 and

2.3. This initial fit used starting points for stellar mass,

radius and effective temperature from the TESS Input

Catalog (TIC; Stassun et al. (2018, 2019)), and the pe-

riod and epoch from TESS photometry. We placed a

wide Gaussian prior of [Fe/H] = 0.0±1 dex on metallic-

ity, a Gaussian prior of $ = 1.94140±0.04211 mas from

Gaia DR2 on parallax, and an upper limit of 2.64275

on V -band extinction from Schlegel et al. (1998) and

Schlafly & Finkbeiner (2011).

We ran another fit using EXOFASTv2 that incorpo-

rated everything from the initial fit, with the addition

of RVs from the MINERVA-Australis telescope array,

described in section 2.3. Each MINERVA-Australis tele-

scope was fit as a separate spectrograph since the sys-

tematics are not consistent between them. The purpose

of this second run was to fit for a slope over time in

the RV data from both facilities. If a slope is detected,

it could be a sign of a stellar companion with a much

longer orbital period than TOI-1994 b. This fit was con-

sistent with a slope of zero over the 350 day baseline.

Thus, the final fit presented here does not include a slope

over time for the RV data.

The final fit, presented here, used TESS photometry,

and RVs from the MINERVA-Australis telescope array

and the CHIRON spectrograph on the SMARTS 1.5-

m telescope. The description of this data is found in

section 2. This fit used starting point for stellar prop-

erties, period, and epoch from the initial EXOFASTv2

fit. The same MIST evolution models and SED starting

points described for the initial fit were used in this final

fit. We used a smaller Gaussian prior on metallicity of

[Fe/H] = 0.0±0.5 dex based on the results from the ini-

tial fit. We placed the same Gaussian prior on parallax

from Gaia DR3, and the same upper limit on V -band

extinction described previously. The starting points and

priors used in the final EXOFASTv2 fit are listed in Ta-

ble 3.

Figure 1 displays the best-fit model for the TESS light

curves in black, and Figure 3 shows the best-fit radial

velocity model in black. Table 3 lists the derived stellar

parameters and brown dwarf parameters from the final

EXOFASTv2 global fit.

From the EXOFASTv2 global fit analysis, we find

that TOI-1994 is a hot, fast-rotating subgiant with a

radius of 2.30+0.13
−0.12 R� , mass of 1.86+0.18

−0.17 M� , effec-

tive temperature of 7700+720
−410 K, and surface gravity of

3.982+0.067
−0.065cm s−2.

The effective temperature and luminosity of TOI-1994

places it near the center of the instability strip for δ Scuti

pulsations. Â Based on studies with Kepler (e.g., Bow-

man & Kurtz (2018), Murphy et al. (2019)), this implies

a probability of around 50–70% that TOI-1994 pulsates

as a δ Scuti variable. We carried out Fourier analysis of

the TESS light curve (using the residuals from the tran-

sit fit) on both the 2-min and 30-min data, but found

no evidence for pulsations down to an amplitude limit

of about 50 parts per million.

4. DISCUSSION

We present the discovery of TOI-1994 b, a low mass

brown dwarf transiting an evolved host star with a mod-

erately eccentric orbit. We now compare TOI-1994 b to

38 other transiting brown dwarf systems shown in Fig-

ures 5, 6, and 7. We gathered properties for these other

transiting brown dwarf systems from Cañas et al. (2022),

Psaridi et al. (2022), Carmichael et al. (2022), Sebastian

et al. (2022), Vowell et al. (2023), Lin et al. (2022) and

Grieves et al. (2021) (see references therein). We define
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Table 2. Properties From Liturature

Identifiers:

TOI . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . TOI-1994

TIC . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . TIC 445903569

TYCHO-2 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . TYC 8193-1368-1

2MASS . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . J09484191-5145236

HD . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . HD 298656

Parameter Description Value Reference

α . . . . . . . . Right Ascension (RA) (J2000, epoch 2015.5) 09:48:41.9 Gaia Collaboration et al. (2022)

δ . . . . . . . . Declination (DEC) (J2000, epoch 2015.5) . . . -51:45:23.63 Gaia Collaboration et al. (2022)

T . . . . . . . . TESS mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10.2396± 0.0061 Stassun et al. (2018, 2019)

G . . . . . . . Gaia G mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10.4280± 0.0200 Gaia Collaboration et al. (2022)

BP . . . . . . Gaia BP mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10.5787± 0.0200 Gaia Collaboration et al. (2022)

RP . . . . . . Gaia RP mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10.1965± 0.0200 Gaia Collaboration et al. (2022)

J . . . . . . . . . 2MASS J mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 9.915± 0.024 Cutri et al. (2003)

H . . . . . . . 2MASS H mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 9.843± 0.023 Cutri et al. (2003)

KS . . . . . . . 2MASS KS mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . 9.775± 0.021 Cutri et al. (2003)

WISE1 . . WISE1 mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 9.767± 0.030 Cutri & et al. (2012)

WISE2 . . WISE mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 9.823± 0.030 Cutri & et al. (2012)

WISE3 . . WISE3 mag . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10.041± 0.049 Cutri & et al. (2012)

µα . . . . . . Gaia DR3 proper motion in RA (mas yr−1) . −13.547± 0.0577 Gaia Collaboration et al. (2022)

µδ . . . . . . . Gaia DR3 proper motion in DEC (mas yr−1) −1.741± 0.064 Gaia Collaboration et al. (2022)

$ . . . . . . . Gaia DR3 Parallax (mas) . . . . . . . . . . . . . . . . . . . 1.94140± 0.04211 Gaia Collaboration et al. (2022)

Figure 5. Mass-Radius diagram for 39 transiting brown
dwarf companions. TOI-1994 b is marked with a red ’x’. The
colored lines represent isochrones for brown dwarfs at ages
0.1, 0.5, 1, 5 and 10 Gyr (Baraffe et al. 2003). Points are
colored by the age of the system from publications. Grey
represents systems published with a large age range.

a brown dwarf as a substellar object between 13MJ and

80MJ for this discussion.

Figure 5 shows TOI-1994 b on the mass-radius dia-

gram with 38 other transiting brown dwarfs with masses

between 13 and 80 MJ . We also show isochrones for

brown dwarfs that have cooled due to the lack of hydro-

gen fusion with ages 0.1, 0.5, 1, 5 and 10 Gyr (Baraffe

et al. 2003). Age affects the radius of a brown dwarf de-

pending on its mass, with older objects having smaller

radii. We note that there is further work being done in

order to refine radii of transiting brown dwarfs, such as

Carmichael (2023).

We determine a tight age constraint of 0.94+0.33
−0.31 Gyr

using MIST models in the EXOFASTv2 fit, since TOI-

1994 is a subgiant star. We expect that the brown dwarf

companion formed at the same time as its stellar host

and also has an age of 0.94 Gyr. Using the tight age

constraint, along with precise mass, radius and eccen-

tricity, we can directly test substellar evolution models.

In Figure 5, TOI-1994 b falls along a younger isochrone

of 0.1 Gyr. This indicates that the radius of TOI-1994 b

is larger than the models predict for a 0.94 Gyr brown

dwarf. The larger radius of TOI-1994 b may be caused

by an increase in luminosity of the host star causing

re-inflation as it evolves off the main sequence. This is

a method of re-inflation proposed for hot giant plan-

ets as in Thorngren et al. (2021) and Lopez & Fortney

(2016). However, planet mass may effect re-inflation,

with less massive objects experiencing more dramatic

inflation (Thorngren & Fortney 2018; Thorngren et al.

2021). Otherwise, as pointed out in Bodenheimer et al.

(2001), tidal heating of short period planets in eccentric

orbits can cause inflated radii. It is possible that the

inflated radius of TOI-1994 b can be explained by its
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Table 3. Median values and 68% confidence intervals for the EXOFASTv2 global model.

Symbol Parameter Value

Priors:

P . . . . . . . . . . . . . . . . . . . . . . . . . . . Period (days) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 4.0337

TC0 . . . . . . . . . . . . . . . . . . . . . . . . Epoch (BJDTDB) . . . . . . . . . . . . . . . . . . . . . . . . . . 2459290.01406

$ . . . . . . . . . . . . . . . . . . . . . . . . . . Parallax∗ (mas) . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.94140± 0.04211

[Fe/H] . . . . . . . . . . . . . . . . . . . . . . Metallicity∗ (dex) . . . . . . . . . . . . . . . . . . . . . . . . . . 0.0± .5
AV . . . . . . . . . . . . . . . . . . . . . . . . . V-band extinction† (mag) . . . . . . . . . . . . . . . . . . 2.64275

Stellar Parameters:

M∗ . . . . . . . . . . . . . . . . . . . . . . . . . Mass (M� ) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.86+0.18
−0.17

R∗ . . . . . . . . . . . . . . . . . . . . . . . . . . Radius (R� ) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 2.30+0.13
−0.12

L∗ . . . . . . . . . . . . . . . . . . . . . . . . . . Luminosity (L� ) . . . . . . . . . . . . . . . . . . . . . . . . . . 16.7+6.3
−2.7

FBol . . . . . . . . . . . . . . . . . . . . . . . . Bolometric Flux x 10−9 (109 erg s−1 cm−2) 1.99+0.74
−0.31

ρ∗ . . . . . . . . . . . . . . . . . . . . . . . . . . Density (g cm−3) . . . . . . . . . . . . . . . . . . . . . . . . . . 0.215+0.047
−0.038

log g . . . . . . . . . . . . . . . . . . . . . . . . Surface gravity (cm s−2) . . . . . . . . . . . . . . . . . . . 3.982+0.067
−0.065

Teff . . . . . . . . . . . . . . . . . . . . . . . . . Effective Temperature (K) . . . . . . . . . . . . . . . . . 7700+720
−410

[Fe/H] . . . . . . . . . . . . . . . . . . . . . . Metallicity (dex) . . . . . . . . . . . . . . . . . . . . . . . . . . . −0.01+0.30
−0.42

[Fe/H]0 . . . . . . . . . . . . . . . . . . . . . Initial Metallicity1 . . . . . . . . . . . . . . . . . . . . . . . . 0.07+0.28
−0.41

Age . . . . . . . . . . . . . . . . . . . . . . . . Age (Gyr) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 0.94+0.33
−0.31

EEP . . . . . . . . . . . . . . . . . . . . . . . Equal Evolutionary Phase 2 . . . . . . . . . . . . . . . 361+26
−15

AV . . . . . . . . . . . . . . . . . . . . . . . . . V -band extinction (mag). . . . . . . . . . . . . . . . . . . 0.22+0.29
−0.16

σSED . . . . . . . . . . . . . . . . . . . . . . SED photometry error scaling . . . . . . . . . . . . . 2.67+1.2
−0.67

$ . . . . . . . . . . . . . . . . . . . . . . . . . . Parallax (mas) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.931± 0.042

d . . . . . . . . . . . . . . . . . . . . . . . . . . . Distance (pc) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 517+12
−11

Brown Dwarf Parameters:

P . . . . . . . . . . . . . . . . . . . . . . . . . . . Period (days) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 4.0337142± 0.0000051

RP . . . . . . . . . . . . . . . . . . . . . . . . . Radius (RJ ) . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 1.220+0.082
−0.071

MP . . . . . . . . . . . . . . . . . . . . . . . . . Mass (MJ ). . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 22.1+2.6
−2.5

TC . . . . . . . . . . . . . . . . . . . . . . . . . Time of conjunction (BJDTDB) . . . . . . . . . . . . 2459290.01375+0.00079
−0.00084

T0 . . . . . . . . . . . . . . . . . . . . . . . . . . Optimal conjunction Time3 (BJDTDB) . . . . . 2458854.37263+0.00056
−0.00064

a . . . . . . . . . . . . . . . . . . . . . . . . . . . Semi-major axis (AU) . . . . . . . . . . . . . . . . . . . . . . 0.0613± 0.0019

i . . . . . . . . . . . . . . . . . . . . . . . . . . . . Inclination (Degrees) . . . . . . . . . . . . . . . . . . . . . . . 85.5+2.9
−2.5

e . . . . . . . . . . . . . . . . . . . . . . . . . . . Eccentricity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 0.341+0.054
−0.059

τcirc . . . . . . . . . . . . . . . . . . . . . . . . Tidal circularization timescale (Gyr) . . . . . . . 4.2+3.9
−2.1

ω∗ . . . . . . . . . . . . . . . . . . . . . . . . . . Argument of Periastron (Degrees) . . . . . . . . . . 131.6+7.9
−6.7

Teq . . . . . . . . . . . . . . . . . . . . . . . . . Equilibrium temperature (K). . . . . . . . . . . . . . . 2290+170
−110

K . . . . . . . . . . . . . . . . . . . . . . . . . . RV semi-amplitude (m s−1) . . . . . . . . . . . . . . . . 1970± 170

RP /R∗ . . . . . . . . . . . . . . . . . . . . . Radius of planet in stellar radii . . . . . . . . . . . . 0.05449+0.0012
−0.00084

a/R∗ . . . . . . . . . . . . . . . . . . . . . . . Semi-major axis in stellar radii . . . . . . . . . . . . 5.72+0.39
−0.36

δ . . . . . . . . . . . . . . . . . . . . . . . . . . . (RP /R∗)
2 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 0.002969+0.00013

−0.000091

δTESS . . . . . . . . . . . . . . . . . . . . . . Transit depth in TESS (fraction) . . . . . . . . . . . 0.00328+0.00027
−0.00019

τ . . . . . . . . . . . . . . . . . . . . . . . . . . . Ingress/egress transit duration (days) . . . . . . 0.00970+0.0020
−0.00095

T14 . . . . . . . . . . . . . . . . . . . . . . . . . Total transit duration (days) . . . . . . . . . . . . . . . 0.1685+0.0021
−0.0019

b . . . . . . . . . . . . . . . . . . . . . . . . . . . Transit Impact parameter . . . . . . . . . . . . . . . . . 0.32+0.17
−0.20

TS,14 . . . . . . . . . . . . . . . . . . . . . . . Total eclipse duration (days) . . . . . . . . . . . . . . . 0.249+0.047
−0.049

ρP . . . . . . . . . . . . . . . . . . . . . . . . . . Density (g cm−3) . . . . . . . . . . . . . . . . . . . . . . . . . . 15.0+3.9
−3.2

loggP . . . . . . . . . . . . . . . . . . . . . . . Surface gravity (cm s−2) . . . . . . . . . . . . . . . . . . . 4.564+0.078
−0.080

TS . . . . . . . . . . . . . . . . . . . . . . . . . . Time of eclipse (BJDTDB) . . . . . . . . . . . . . . . . . 2459291.445+0.097
−0.10

e cosω∗ . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . −0.222+0.036
−0.038

e sinω∗ . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 0.255+0.056
−0.064

d/R∗ . . . . . . . . . . . . . . . . . . . . . . . Separation at mid transit . . . . . . . . . . . . . . . . . . 4.02+0.61
−0.51

Note—
∗ Indicates a Gaussian prior.

† Indicates an upper limit.

1 The Initial Metallicity is the metallicity of the star when it was formed.

2 The Equal Evolutionary Point corresponds to static points in a stars evolutionary history when using the MIST isochrones and can
be a proxy for age. See §2 in Dotter (2016) for a more detailed description of EEP.

3 Optimal time of conjunction minimizes the covariance between TC and Period. This is the transit mid-point.
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Figure 6. Eccentricity versus brown dwarf mass for 39 tran-
siting brown dwarf companions. The color represents the
orbital period of the system. Squares represent hosts with
temperatures below the Kraft break (Teff ≈ 6250) and stars
represent hosts with temperatures above the Kraft break. A
vertical line shows the population split at 42.5 MJ proposed
by Ma & Ge (2014). TOI-1994 b is marked with a red ’x’.

orbital dynamics. More evidence would be required to

fully confirm whether these planet inflation mechanisms

could extend to include brown dwarfs.

In addition to radius and mass, period and eccentricity

also give insight to the dynamical nature of the transit-

ing system. The orbital eccentricity for close-in planets

and stars with orbital periods less than ∼ 10 days may

become circularized from interactions with their host

stars over longer timescales (Hut 1981; Adams & Laugh-

lin 2006; Goldreich & Soter 1966).

With an age of 0.94 Gyr and period of 4.0337142 days,

we explore whether the system should be circularized. In

order to estimate the circularization timescale, τcirc, for

TOI-1994 b, we used Equation 3 from Adams & Laugh-

lin (2006):

τcirc ≈ 1.6 [Gyr]

(
Qp

106

)(
MP

MJ

)
×
(
M∗

M�

)−3/2 (
RP

RJ

)−5 (
a

0.05 [AU]

)13/2

(1)

Using the EXOFASTv2 values from Table 3, and an

estimate of QP

106 ≈ 1 where QP is the tidal quality fac-

tor, we found that the circularization timescale for TOI-

1994 b is 4.2 Gyr, with large uncertainties of +3.9 and

−2.1 Gyr. However, even with the large uncertainty, the

2 sigma lower bound is still greater than the age of

TOI-1994 b of 0.94+0.33
−0.31 Gyr found using global analysis.

Thus, we would not expect the system to be circularized.

This is confirmed by the eccentricity of 0.314+0.054
−0.059. TOI-

1994 b is moderately eccentric compared to other brown

dwarfs with similar mass and orbital period. Figure 6

displays the relationship between brown dwarf mass, ec-

centricity and period for 39 transiting brown dwarf com-

panions including TOI-1994 b. The brown dwarfs with

orbital periods shorter than 10 days are mostly circular-

ized as expected, with TOI-1994 b as an exception.

Ma & Ge (2014) suggests that brown dwarfs can be

split into two different populations at 42.5 MJ based on

their eccentricity distribution. They found that brown

dwarfs with lower masses match the eccentricity distri-

bution for planets, and the higher mass match the ec-

centricity distribution for stars. For masses below 42.5

MJ , the more massive a brown dwarf is, the lower ec-

centricity it tends to have. The brown dwarf eccentric-

ity distribution is also similar to giant planet eccentricity

distributions in more recent papers, such as in Rodriguez

et al. (2023). Above 42.5 MJ , the eccentricities of brown

dwarf companions are more widely distributed. Grieves

et al. (2017), Kiefer, F. et al. (2021) and Grieves et al.

(2021) conducted a similar analysis using more brown

dwarfs and supported the results of Ma & Ge (2014).

This split in population may arise from different forma-

tion mechanisms, with lower mass brown dwarfs forming

like planets, and higher mass brown dwarfs forming like

stars. Figure 6 displays the relationship between brown

dwarf mass, eccentricity and period for the brown dwarf

population, and places a line at 42.5 MJ to show the

split in population proposed by Ma & Ge (2014). The

split in population can be clearly seen, with higher mass

brown dwarfs being more distributed in the parameter

space.

TOI-1994 b has a mass lower than 42.5 MJ and there-

fore should follow the eccentricity distribution for plan-

ets, but it is more eccentric than expected. With the

addition of TOI-1994 b, it is clear that more transiting

brown dwarfs with precise masses are required to ver-

ify or refute the population split at 42.5 MJ determined

from eccentricity distributions.

The higher eccentricity of TOI-1994 b could be po-

tentially explained by gravitational interactions with a

stellar companion. We searched for signs of this in the

speckle imaging, and found no stellar companions within

3”. We also checked for a slope in the RV data over time,

and found that the fit is consistent with a slope of zero

over the year of data presented here. Further analysis

on a longer time baseline would be necessary to detect

the presence of any widely separated stellar companion.

Figure 7 shows the effective temperature and surface

gravity of the 39 host stars colored by the mass of their

transiting brown dwarf companions. A horizontal line is

placed at log(g) = 4.1 to indicate the transition between

main sequence and evolved hosts as defined by Stassun
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Figure 7. Surface gravity and effective temperature of 39
stars hosting transiting brown dwarf companions. The col-
ors indicate the mass of the brown dwarf companions. TOI-
1994 b is marked with a red ’x’. The dashed horizontal dashed
line indicates log(g) = 4.1 as the transition between main se-
quence and evolved subgiant stars as in Stassun et al. (2018).

et al. (2018). There are only four host stars in this set

with log(g) < 4.1 including TOI-1994.

Grunblatt et al. (2018) suggests that close-in giant

planets orbiting evolved stars have more eccentric or-

bits because of tidal interactions with the evolved host.

The hot giant planets may go through an eccentric phase

when their orbits shrink faster than they circularize. If

this is extended to include low mass brown dwarfs or-

biting evolved stars, it would mean that close-in brown

dwarfs orbiting evolved stars also have higher eccentric-

ity. There are currently only four evolved hosts for brown

dwarfs. Two of these brown dwarfs, including TOI-1994,

have moderately eccentric orbits that support this hy-

pothesis. Figure 7 shows the host surface gravity versus

host effective temperature, with colors representing the

mass of the brown dwarf companion. The figure displays

that there are only four evolved hosts, using the TESS

definition. TOI-1994 b has the lowest mass out of the

evolved hosts. It is clear that more brown dwarfs orbit-

ing evolved stars need to be discovered before any real

conclusions can be made about how the host evolution

effects the brown dwarf in the systems.
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Synopsis
The operation of the solar dynamo, with all of its remarkable spatio-temporal ordering,
remains an outstanding problem of modern solar physics. A number of mechanisms that
might plausibly contribute to its operation have been proposed, but the relative role played
by each remains unclear. This uncertainty stems from continuing questions concerning the
speed and structure of deep-seated convective flows. Those flows are in-turn thought to
sustain both the Sun’s turbulent EMF and the large-scale flows of differential rotation and
meridional circulation suspected of influencing the dynamo’s organization and timing.

Ultimately, the convective and large-scale flow structure derive from the Coriolis force.
When the Coriolis effect is weak (rapid convective flow), convection exhibits little organiza-
tion in its spatial structure, and the meridional flow is expected to assume a single-celled
profile within each hemisphere. Convection subject to strong Coriolis forces instead orga-
nizes into compact, spiraling columnar structures and sustains meridional flows that possess
multiple cells in latitude and radius. The implications for the dynamo in these two regimes
are substantial, impacting the flux-transport properties of any assumed meridional flow and
the convectively-driven EMF.

Continued progress in this area is complicated by (i) inconsistencies between helioseismic
measurements of convective and meridional flow made with different techniques and instru-
ments, and (ii) a lack of high-latitude data for convection, differential rotation, and merid-
ional flow. We suggest that the path forward to resolving these difficulties is twofold. First,
the acquisition of long-term helioseismic and emissivity measurements obtained from a polar
vantage point is vital to complete our picture of the Sun’s outer convection zone. Second,
sustained and expanded investment in theory-oriented and combined theory/observational
research initiatives will be crucial to fully exploit these new observations and to resolve
inconsistencies between existing measurements.
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1 Introduction

An outstanding gap persists in our understanding of the solar dynamo. Numerous and poten-
tially viable descriptions of this physical system now exist, but not one has been definitively
tied to the dynamics at work in the Sun, and for good reason. Convection, an indispens-
able component of the dynamo, occurs in the presence of rotation; yet, owing to persistent
questions surrounding the convective flow speed and structure at depth, the degree to which
rotation influences convection remains largely unquantified throughout the solar interior.

In a rotating, convecting system such as the Sun, it is the interplay between the Coriolis
force and buoyant driving that ultimately shapes the convective structure and amplitude,
and in turn, the nature of the resulting dynamo. The relative importance of these two effects
is typically quantified through a ratio known as the Rossby number (Ro),

Ro =
rotation period

convective timescale
. (1)

When the convective flow speed is high, and the resulting Ro is large, convective motions are

Figure 1: Rotational influence on convective structure. (upper) Schematic convective flow structures
as realized in rotating convection, viewed in cutaway of northern hemisphere. (lower) 3-D rendering of
simulated solar-like convection realized under different Rossby numbers. Regions of upflow (downflow) are
rendered in red (blue). As rotational influence increases from left (high Ro) to right (low Ro), convective
patterns become increasingly more helical and columnar (Featherstone & Hindman, 2016).
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Figure 2: Potential solar-dynamo mechanisms. (a) An interface dynamo, sustained by turbulent pumping
of magnetic field into the tachocline. (b) Meridional flow profile employed in a flux-transport dynamo whose
cycle timing is tied to the circulatory timescale (black streamlines overlying colored streamfunction; Rempel
(2006)). (c) Magnetic field lines in a “wreathy” dynamo, realized in low-Ro convection without a tachocline.
Red/blue coloring indicates opposite signs of toroidal-field polarity (Brown et al., 2011).

largely unaffected by the Coriolis effect. In this limit, fluid motions span the convection zone
and exhibit little, if any apparent organization in their structure (e.g., Ahlers et al., 2009).
When Ro is small, as happens when the convective turnover time exceeds a rotation period,
the Coriolis effect is strong enough to induce significant curvature in the fluid trajectories
(Busse, 2002). Convective flows ultimately organize into spiraling, columnar structures with
cross-sectional area proportional to Ro. This situation is illustrated schematically and via
simulation results in Fig. 1.

The Sun’s location along the spectrum of behavior shown in Fig. 1 must profoundly
impact key components of the solar dynamo. Its differential rotation, meridional circulation,
and turbulent EMF ultimately derive from the morphology and speed of its convecting
plasma. The latter is apparent upon consideration of the MHD induction term, namely

∂B

∂t
= ∇× (v ×B) , (2)

where the amplitude of the velocity vector v directly determines the rate of change in the
magnetic field vector B. In turn, the structure of v, via the spatial variation of its correlations
with the magnetic field, is central to the inductive process.

1.1 The Multi-faceted Dynamo

Several potential dynamo mechanisms may be operating in the solar interior, whether in
isolation or in concert, and their relative importance hinges to a large degree on Ro. Per-
haps the most well-known of these is the interface dynamo mechanism (Parker, 1993) which
depends on the tachocline located at the base of the convection zone. The rotational shear
characteristic of that region may serve to stretch poloidal field, pumped there by convective
downdrafts, into organized toroidal field (Fig. 2a). As a result, the tachocline has been the
presumed seat of the solar dynamo for some time, figuring prominently in the flux-transport
class of dynamo models (e.g., Fig. 2b; Dikpati & Charbonneau, 1999; Rempel, 2006).

The Sun’s meridional circulation also plays a key role in flux-transport models, serving
to advect toroidal flux near the base of the convection zone and resulting in the equatorward
migration of active bands at the solar surface (e.g., Charbonneau, 2020). By regulating this
migration, the meridional flow also regulates the magnetic cycle period.
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Flux-transport models of the dynamo face complications, however, in that the structure
and amplitude of deep meridional circulation remains a free parameter. In the absence of ob-
servational constraints, a single-celled circulation profile within each hemisphere, consistent
with near-surface observations of the meridional flow, has often been chosen (e.g., Dikpati
& Charbonneau, 1999). Whether or not this choice is reasonable depends on the Rossby
number characteristic of deep convection, which is still a matter of debate.

Computational studies of rotating convection have shown that the Rossby number is
important in determining meridional flow structure (Gastine et al., 2013; Guerrero et al.,
2013; Gastine et al., 2014; Featherstone & Miesch, 2015; Camisassa & Featherstone, 2022).
Slow, low-Ro convection tends to generate a meridional circulation with multiple cells in
radius (Fig. 3c). At sufficiently low Ro, additional cells appear in latitude near the poles.
In the high-Ro regime, rapidly overturning convection generates a mono-cellular meridional
circulation within each hemisphere (Fig. 3d).

An interesting alternative to the interface-dynamo paradigm has arisen in recent years
as fully nonlinear, 3-D dynamo models have begun to produce so-called “wreathy” magnetic
fields. These large-scale bands of toroidal magnetic field that encircle the convection zone
are particularly interesting because can be generated either in the presence or in the absence
of a tachocline (e.g., Fig. 2c; Brown et al., 2010). Such dynamos can undergo cycles where
the toroidal belts modulate their amplitude, migrate in latitude, and change sign – all key,
observed characteristics of the solar dynamo (Ghizaru et al., 2010; Brown et al., 2011; Racine
et al., 2011; Augustson et al., 2015; Matilsky & Toomre, 2020).

Simulations resulting in wreathy behavior all have one property in common: the Rossby
number is small (typically between 0.01 and 0.03). If the Sun is operating in such a low-
Ro regime, the relative importance of the tachocline and meridional flow to the solar cycle
becomes less clear. Without strict observational bounds on the Sun’s Ro, we cannot
assess either the likelihood of a wreathy dynamo, the importance of deep flux
transport, or the role played by the tachocline. As a result, the predictive capability
of any dynamo model is severely diminished.

1.2 The Challenge

The fundamental challenge inhibiting progress on this problem is that current measurements
provide only limited insight into where the Sun lies on the spectrum of behavior illustrated in
Fig. 1. Solar convection-zone models that produce differential rotation resembling that of the
Sun tend to possess substantial convective power on spatial scales similar to the convection
zone depth, roughly consistent with the central images in Fig. 1. This is not born out by
observations, however. Photospheric convective power instead peaks at the spatial scale of
supergranulation, which is one-tenth the expected scale (e.g., Hart, 1956; Leighton et al.,
1962; Rincon & Rieutord, 2018). Larger-scale photospheric flows are much weaker and tend
to be dominated by inertial waves (Hathaway & Upton, 2021; Gizon et al., 2021).

Below the photosphere, local helioseismology provides the potential to gain additional
clues. Local helioseismic analysis becomes challenging beyond a depth of about 30 Mm,
however. Helioseismic attempts to measure convective flows below this region remain in-
conclusive; some indicate substantial large-scale convective power, and others a lack thereof
(Hanasoge et al., 2012; Greer et al., 2015; Proxauf, 2021).
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Figure 3: Continuing questions regarding deep meridional flow. (a,b) Meridional flow as obtained from
GONG and HMI observations, showing the latitudinal component of the flow, averaged over time and
longitude; adapted from Jackiewicz et al. (2015). (c,d) Similar rendering of possible flow profiles as realized
in solar convection simulations run with different Rossby numbers (indicated; adapted from the survey of
Hindman et al. (2020)). (e) Comparison between the travel times obtained from observations and from
two simulated meridional flow profiles (denoted by N3 and N5; Stejko et al., 2022). Discrepancies between
observations and the lack of polar flow data make it difficult to distinguish between possible flow regimes.
Models and observations are nevertheless now making meaningful contact, as illustrated in (e).

In principle, the Sun’s meridional circulation can provide important clues into the nature
of the underlying convection via the structural changes illustrated in Figs. 3c,d. Unfor-
tunately, there is presently no observational consensus concerning the structure of deep
meridional circulation. Local helioseismic analyses based on HMI data seem to suggest that
the location of the circulation’s return flow is relatively shallow and hint at multiple cells in
radius (Schad et al., 2012; Zhao et al., 2013; Chen & Zhao, 2017). However, measurements
deriving from ground-based GONG and space-based MDI data have failed to confirm this
multi-cellular structure (Figs. 3a,b; Jackiewicz et al., 2015; Gizon et al., 2020).

2 Looking Forward

Ultimately, it is novel helioseismic analysis, supported by a robust theoretical/modeling
framework that promises to bridge outstanding gaps in our understanding of solar convection
and the dynamo it sustains. The promise of such a combined approach is well-illustrated
by the recent meridional circulation study carried out in Stejko et al. (2022). By modeling
the propagation of acoustic waves through simulated meridional flow profiles, those authors
were able to generate synthetic time-distance measurements and compare them against actual
measurements of the Sun. Such comparisons can in turn be used to discriminate between
potential models of interior convection, as illustrated in Fig. 3e.

The recent identification of inertial modes in the solar photosphere provides another
example. As these wave modes stem from the Coriolis force, their properties are sensitive
to the underlying convective flow. When combined with numerical simulations of deep
solar convection, this rapidly-developing branch of helioseismology promises to help further
discriminate between models (Gizon et al., 2021; Bekki et al., 2022).

With these recent advances in mind, we recommend substantial investment in the areas
of interior theory, modeling, and helioseismic analysis for the coming decade. We believe this
requires the investment both in broad projects that facilitate the union of the these thrusts,
as well as investment in smaller, focused projects that enhance capabilities within these vital
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Figure 4: Polar clues to interior convective structure as suggested by simulation (adapted from Hindman
et al., 2020). (a) Meridional flow realized at Ro=0.05. At such low Ro, countercells develop in the polar
regions (b) Accompanying differential rotation. In the polar region, there is increased spin-down of near-
surface layers and spin-up of deep CZ. At larger values of Ro, prograde differential rotation can develop at
all depths in the polar region. (c) Polar flow structures for Ro=0.01 as viewed from the pole. Reference
circle indicates latitude 60◦. Regions of downflow are indicated in red and upflow in blue. (d) Similar view
of polar convection, but for Ro=0.03. When viewed from the poles, both mean and convective flows can
provide insight into deep interior convection.

areas of research. To that end, we advocate for two broad priorities for the next decade:

1. Development of the capability to acquire Doppler measurements of the solar poles,
taken from a polar vantage point, and investment in new helioseismic and observational
techniques as needed to fully exploit that data.

2. Continued and expanded investment in the Theory/Modeling/Simulation program and
in NASA HEC resources.

2.1 The Promise of the Poles

We suggest that the most crucial set of observations used to advance understanding of the
dynamo in the next decade will be those taken from a polar vantage point. While the polar
regions are visible from the ecliptic when the B-angle is favorable, measurements of that
region nevertheless suffer from substantial foreshortening. This effect typically limits the
application of local helioseismic analysis to regions that are within 60◦ of disk center, far
from the poles. When flow measurements are attempted at such extreme latitudes, results
obtained using different techniques are in qualitative agreement at best, and only large-scale
flows (∼ 100 Mm) are resolved (e.g., Bogart et al., 2015; Hathaway & Upton, 2021). This
situation is extremely unfortunate because, in many respects, the high latitudes are key to
understanding the properties of deep convection. The reasons for this are fourfold:

1. Systems with low Ro tend to possess multiple countercells at high-latitudes (Fig. 4a),
whereas those with moderate values of Ro possess no such reversal. Consensus re-
garding the high-latitude meridional flow structure will thus provide important clues
concerning the nature of deep interior convection, while also placing further constraints
on flux-transport models of the dynamo.

2. The nature of high-latitude differential rotation is similarly sensitive to the amplitude
of its underlying convection. Systems that possess Ro of roughly unity tend to possess
polar regions that rotate in prograde fashion with respect to the mid latitudes. In
contrast, systems with low-Ro tend to possess increased spin-down at the poles (Fig.
4b). Identifying where the Sun lies on the spectrum between these two extremes will
place further constraints on Ro.
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3. The vortical motions associated with rotating convection are expected to exhibit their
strongest helioseismic signal when viewed from the poles, where the motion is predom-
inantly horizontal at the solar surface. Measurement of the characteristic spatial size
of those structures would place firm constraints on the Rossby Number characteristic
of deep convection (e.g., Figs. 1, 4c, d).

4. Finally, convection subject to strong rotational influence tends to possess strong latitu-
dinal temperature gradients. As noted by Matilsky et al. (2020), the observed structure
of solar differential rotation suggests that an equator-to-pole variation of roughly 10
K is expected. Ecliptic-based measurements, however, indicate at most a weak, if any,
variation of 1–2 K (Kuhn et al., 1998; Rast et al., 2008). Emissivity measurements
from a direct polar vantage would provide valuable new insight into this puzzle and
the nature of deep interior convection.

2.1.1 Nature of Required Polar Observations: The observations required to address
points 1–4 are long-term Doppler and intensity measurements. In this context, “long-term”
does not imply observing throughout a substantial portion of the solar cycle. The reason
is that interior convection, the engine of the dynamo, is expected to operate in roughly
steady-state fashion throughout the solar cycle. In simulations reminiscent of the Sun,
convective amplitudes typically do not exhibit strong variation across a magnetic cycle. The
solar differential rotation itself provides a strong observational clue along the same lines; its
relative variation in amplitude across the solar cycle (the so-called torsional oscillations) is
on the order of 1% (e.g., Howe, 2009).

Instead, the need for long-term observations derives from the dominant source of noise
affecting both convective- and mean-flow measurements alike: photospheric supergranula-
tion. Supergranulation occurs on spatial scales of roughly 30 Mm and amplitudes of a few
hundred m s−1. With a lifetime of roughly 1-day, it acts as an intrinsic, stochastic source of
noise in any helioseismic velocity determination (regardless of technique or instrument). The
measurement of longer-lived, but much weaker flows requires substantial temporal averaging
as a result.

For the meridional circulation and differential rotation, the time-averaged near-surface
profile is required to help address points 1 and 2 above. For the convection, it is the velocity
power spectrum of the convective flows that is of interest, not direct imaging of the flows
themselves. Knowledge of where in wavelength space the convective power peaks is sufficient
to place strong bounds on Ro. Both of these features, the near-surface mean flows and
subsurface convective spectrum, can be mapped using data from multiple discrete orbital
passes. They do not require continuous observation of the Sun’s poles for years at a time.

Ultimately, observations taken across a period of 2 months are sufficient to resolve the
spatial spectrum of convective flows with an amplitude of 10 m s−1 on spatial scales smaller
than supergranulation . The power spectrum of convective flows with amplitudes of 1 m
s−1 would require roughly two years of observations. Similar requirements apply to the
meridional circulation and differential rotation (Löptien et al., 2015; Hassler et al., 2022).
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2.2 Investment in Theory and Modeling

A. Continued and adaptive investment in HPC resources for heliophysics: High-
performance supercomputing resources are vital to dynamo research, and the resources af-
forded through NASA’s HEC program stand out among peer-level research programs. It
is clear that Heliophysics strives to provide computing time based on project needs. Many
allocations are on-par with what can otherwise only be obtained through the highly compet-
itive and wide-ranging INCITE program run through the Department of Energy. We make
three recommendations regarding NASA Heliophysics HPC support:

• Heliophysics and NASA HEC should continue with the current model wherein only
a minimal computing time proposal is required for projects that have otherwise been
funded by NASA. This allows a research team to focus on research.

• Heliophysics should continue to invest aggressively in HPC infrastructure and resources
through NASA HEC and/or separate computing facilities. This investment should
continue to be revisited on an annual basis with input from the community.

• The ability to modify existing computing allocations throughout the span of their
supporting grants should be retained. Research plans and approaches are often fluid
throughout the span of a grant. Comparable fluidity in the available resources helps
ensure such changes do not impact closure on the proposed scientific goals.

B. Sustained and Expanded Investment in Theory & Modeling Projects:
We recommend that NASA Heliophysics increase its investment in solar interior projects that
primarily entail theory and/or simulation. This applies to theory and simulation targeted
at convection and wave propagation alike (both were used in the study of Stejko et al.
(2022); Fig. 3e). Theory and simulation are increasingly crucial in the interpretation of
existing observations and in the planning of future observations. A range of specialties are
encompassed in the solar-interior focus of heliophysics, but this is not typically true of an
individual researcher or even an individual research group.

Researchers who specialize in theory and simulation lack a regularly-occurring opportu-
nity within NASA Heliophysics to which they can apply. The Theory/Modeling/Simulation
program is competed on a 3-year cycle, but is sometimes supplanted by the mixed-specialization
Grand Challenges program. Other opportunities to study interior flows from a theoretical
perspective, within the broader context of observational-based work, such as DRIVE Centers
and LWS/FST programs, are similarly competed in sporadic fashion.

This situation lies in contrast to the Guest Investigator and Supporting Research pro-
grams which are competed on an annual basis. While the latter has supported primarily the-
oretical investigations in the past, recently, requirements to analyze NASA data have become
a normal part of its requirements. Significant hurdles to sustained, long-term theory-oriented
projects arise as a result of these restrictions. To this end, we make two recommendations:

• Ensure that the current TMS program is retained and competed on a predictable,
three-year basis.

• Create a smaller, theory-focused program that provides funding at a level on par with
the existing HSR and HGI programs, and which is competed on an annual basis.
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ABSTRACT

The orbits of the main satellites of Uranus are expected to slowly drift away owing to tides raised in the planet. As a result, the 5/3
mean motion resonance between Ariel and Umbriel was likely encountered in the past. Previous studies have shown that, in order
to prevent entrapment in this resonance, the eccentricities of the satellites must be larger than ∼ 0.01 at the epoch, which is hard to
explain. On the other hand, if the satellites experience some temporary capture and then escape, the inclinations rise to high values
that are not observed today. We have revisited this problem both analytically and numerically focussing on the inclination, using a
secular two-satellite model with circular orbits. We show that if the inclination of Umbriel was around 0.15◦ at the time of the 5/3
resonance encounter, capture can be avoided in about 60% of the cases. Moreover, after the resonance crossing, the inclination of
Umbriel drops to a mean value around 0.08◦, which is close to the presently observed one. The final inclination of Ariel is distributed
between 0.01◦ and 0.25◦ with a nearly equal probability, which includes the present mean value of 0.02◦.

Key words. celestial mechanics – planets and satellites: dynamical evolution and stability – planets and satellites: individual: Uranus
– planets and satellites: individual: Ariel – planets and satellites: individual: Umbriel

1. Introduction

The origin of the Uranian satellite system is not yet completely
understood and it is still under debate (eg. Pollack et al. 1991;
Szulágyi et al. 2018; Ishizawa et al. 2019; Inderbitzi et al. 2020;
Ida et al. 2020; Rufu & Canup 2022). Despite the formation
mechanism of the main satellites, their orbits slowly drift away
owing to tides raised in the planet (eg. Peale 1988; Tittemore
& Wisdom 1988, 1989, 1990; Pollack et al. 1991; Ćuk et al.
2020). Because the orbits do not all evolve at the same pace,
they may have encountered several mean motion resonances
(MMRs) in their way since their formation about 4.5 Gyr ago.
At present, there is no orbital commensurability between these
satellites, but MMRs are often invoked to explain some anoma-
lous observations, such as resurfacing events (e.g Dermott et al.
1988; Peale 1988; Tittemore 1990), the current relatively large
eccentricities (∼ 0.001) of all satellites (e.g Squyres et al. 1985;
Smith et al. 1986; Peale 1988), or the high inclination of Mi-
randa (∼ 4.3◦) (e.g Tittemore & Wisdom 1989, 1990; Malhotra
& Dermott 1990; Verheylewegen et al. 2013; Ćuk et al. 2020).

The latest low-order commensurability to have occurred was
the 5/3 MMR between Ariel and Umbriel (eg. Peale 1988; Ćuk
et al. 2020), which is consistent with recent geologic activity ob-
served in Ariel (eg. Zahnle et al. 2003; Cartwright et al. 2020).
The current free eccentricities still observed also support this
possibility (eg. Jacobson 2014). A detailed study on the pas-
sage through this resonance was carried out by Tittemore & Wis-
dom (1988) using a secular resonant two-satellite planar model
with small eccentricities. It was shown that if the 5/3 MMR
is approached with eccentricities of both satellites smaller than
∼ 0.01, a long-term capture in resonance is certain. Therefore,
in order to evade or skip this resonance, at least one of the ec-
centricities must have been close to 0.01 at the time. However,

Tittemore & Wisdom (1988) recognised that it is very difficult to
justify such high initial eccentricity values. Indeed, mutual per-
turbations between the largest Uranian satellites cannot explain
such high values alone (eg. Dermott & Nicholson 1986; Laskar
1986). Moreover, tidal friction within the satellites circularise
the orbits in a short timescale (eg. Squyres et al. 1985), and so
any large eccentricity remnant left by a prior MMR crossing is
expected to be quickly eroded.

Ćuk et al. (2020) revisited the passage through the 5/3 MMR
using a N-body numerical integrator, which includes the five
main satellites, non-planar orbits, and spin evolution. They
started their simulations with the current eccentricities and
adopted nearly zero inclination for all satellites (< 0.1◦). They
confirm that low initial eccentricities translate into capture in res-
onance, which can nevertheless be broken after some time due
to some chaotic excitation of the eccentricities. They also ob-
served that all five moons had their inclinations excited during
the resonance entrapment. The effect on the inclination is par-
ticularly significant in Miranda because it has the smallest mass;
however, after leaving the resonance, the remaining four moons
were all left with inclination values higher than the current ones.
In particular, Ariel and Umbriel acquired inclinations around 1◦,
which cannot be damped to the current observed mean values of
∼ 0.02◦ and 0.08◦, respectively. Ćuk et al. (2020) then propose
that the inclination of Umbriel can be lowered if its node is in-
volved in a secular spin-orbit resonance with the spin of Oberon
(not observed today). However, even if this mechanism works, it
would fail to damp the inclinations of the remaining satellites.

Ćuk et al. (2020) suggest that the 5/3 MMR between Ariel
and Umbriel can be responsible for the current high inclination
of Miranda instead of the crossing of the 3/1 MMR between Mi-
randa and Umbriel (Tittemore & Wisdom 1989, 1990). However,
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the high inclination values also acquired by Ariel and Umbriel
seem difficult to conciliate with the present observed system. A
more plausible scenario is that Miranda’s inclination is excited
during the Miranda and Umbriel 3/1 MMR crossing, and then
Ariel and Umbriel skip the 5/3 MMR without being captured to
prevent any damage on the inclinations. The problem with this
scenario is that for initial near zero inclination values for both
Ariel and Umbriel, at least one of these satellites must have an
initial eccentricity larger than 0.01 to avoid entrapment in the
5/3 MMR (Tittemore & Wisdom 1988), which is also challeng-
ing to explain.

Since the inclination appears to play an important role in the
passage of the 5/3 MMR between Ariel and Umbriel, here we in-
tend to look at this problem with a different perspective. Instead
of assuming a coplanar model with low initial eccentricities for
Ariel and Umbriel as in Tittemore & Wisdom (1988), we assume
a circular model with low inclinations using a similar approach
to Tittemore & Wisdom (1989) for the study of the 3/1 MMR
between Miranda and Umbriel. In Sect. 2, we introduce a sec-
ular resonant two-satellite circular model with low inclinations
using complex Cartesian coordinates and describe all dynamical
features present in the two degree-of-freedom phase space for
different ratios of the semi-major axes. In Sect. 3, we add tidal ef-
fects to the equations of motion using a constant time-lag model
and then compute the capture probabilities in the 5/3 MMR for
different initial inclination values. In Sect. 4, we perform a large
number of numerical simulations to estimate the possible out-
comes of the passage through the 5/3 MMR as a function of the
initial inclinations. Finally, in the last section, we summarise and
discuss our results.

2. Resonant secular dynamics

In this section we study the conservative dynamics of a three-
body system involved in a second order (p + q)/p MMR, hence
q = 2. For the 5/3 MMR, we additionally have p = 3, but our
model is valid for any p value. We further assume that the orbits
are circular (zero eccentricities) and have low inclinations.

2.1. Hamiltonian

We consider an oblate central body of mass m0 (Uranus) sur-
rounded by two point-mass bodies m1, m2 � m0 (satellites),
where the subscript 1 refers to the inner orbit (Ariel) and the
subscript 2 refers to the outer orbit (Umbriel). The potential en-
ergy of the system is given by (eg. Smart 1953)

U = −

2∑
k=1

Gm0mk

rk

1 + J2

(
R
rk

)2

P2(r̂k · s)

 − Gm1m2

|r2 − r1|
, (1)

where G is the gravitational constant; J2, R, and s are the sec-
ond order gravity field, the radius, and the spin unit vector of
the central body, respectively; rk is the position vector of mk
with respect to the centre of mass of m0 (planetocentric coor-
dinates); rk = |rk | is the norm; r̂k = rk/rk is the unit vector; and
P2(x) = (3x2 − 1)/2 is the Legendre polynomial of degree two.
We neglected terms in (R/rk)3 (quadrupolar approximation for
the oblateness). The Hamiltonian of the problem, H , was then
obtained by adding the orbital and rotational kinetic energies to
Eq. (1) .

2.1.1. Expansion in elliptical elements

We can expand the Hamiltonian in elliptical elements. To the
first order in the mass ratios, mk/m0, zeroth order in the eccen-
tricities, and second order in the inclinations, Ik (with respect to
the equatorial plane of the central body), we have (eg. Murray &
Dermott 1999)

H = HK +HO +HS +HR +HF +
Θ2

2C
, (2)

where

HK = −

2∑
k=1

Gm0mk

2ak
(3)

is the Keplerian part and ak are the semi-major axes,

HO = −

2∑
k=1

Gm0mk

2ak
J2

(
R
ak

)2 (
1 − 3I2

k sin2 (λk −Ωk)
)

(4)

is the contribution from the oblateness of the central body, λk are
the mean longitudes, Ωk are the longitudes of the nodes,

HS = −
Gm1m2

8a2

[
4 b(0)

1
2

(α)−α b(1)
3
2

(α)
(
I2
1 + I2

2

− 2I1I2 cos (Ω2 −Ω1)
)]

(5)

is the secular part, b( j)
s are Laplace coefficients, α = a1/a2, and

HR = −
Gm1m2

8a2

[
I2
1 cos ((p + 2)λ2 − pλ1 − 2Ω1)

− 2I1I2 cos ((p + 2)λ2 − pλ1 −Ω2 −Ω1)

+ I2
2 cos ((p + 2)λ2 − pλ1 − 2Ω2)

]
αb(p+1)

3
2

(α)

(6)

is the contribution from the second order resonant terms (q = 2).
The HS and HR terms arise solely from the direct part of the
disturbing function (last term in Eq. (1)), because in the circular
approximation the indirect part does not have secular or second
order resonant terms. The term inHF corresponds to the remain-
ing terms of the disturbing function that depend on other combi-
nations of the angles λ1, λ2, Ω1, and Ω2 that do not appear in the
expressions ofHS orHR.

Finally, for the last term in the Hamiltonian (Eq. (2)), cor-
responding to the rotational kinetic energy, C is the principal
moment of inertia of the central body and

Θ = Cω , (7)

which corresponds to the rotational angular momentum, ω = θ̇
is the angular velocity, and θ is the rotation angle. In the conser-
vative case, the rotational kinetic energy is constant and could
be dropped from the Hamiltonian. Nevertheless, when we in-
clude tidal dissipation (Sect. 3), there are angular momentum
exchanges between the spin and the orbits, and this term cannot
be neglected.
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2.1.2. Action-angle resonant variables

We can rewrite the Hamiltonian (2) using a set of canonical
action-angle variables. For that purpose, we adopted Andoyer
variables for the rotation (Θ, θ) and Poincaré variables for the
orbits (Λk, λk; Φk,−Ωk) with

Λk = βk
√
µkak , (8)

Φk = Λk(1 − cos Ik) ≈
1
2

ΛkI2
k , (9)

where βk = m0mk/(m0 + mk) and µk = G(m0 + mk). Since we aim
to study the dynamics of the system near the (p + 2)/p MMR,
we introduce the near resonant angle

σ =

(
1 +

p
2

)
λ2 −

p
2
λ1 , (10)

which is present in all terms of the resonant Hamiltonian
(Eq. (6)). Each term corresponds to a resonant combination:

ϕ1 = σ −Ω1 , ϕ2 = σ −Ω2 , ϕ3 =
1
2

(ϕ1 + ϕ2) . (11)

We further introduce the angles

γ =
p
2

(λ1 − λ2) = λ2 − σ and ϑ = θ − σ , (12)

such that
σ
γ
ϕ1
ϕ2
ϑ

 ≡ S


λ1
λ2
−Ω1
−Ω2
θ

 , (13)

with

S =


−p/2 1 + p/2 0 0 0
p/2 −p/2 0 0 0
−p/2 1 + p/2 1 0 0
−p/2 1 + p/2 0 1 0
p/2 −1 − p/2 0 0 1

 , (14)

which gives for the conjugated actions (eg., Goldstein 1950)
Σ
Γ

Φ̃1
Φ̃2
Θ̃

 = (S−1)T


Λ1
Λ2
Φ1
Φ2
Θ

 . (15)

The new set of canonical variables that uses the resonant angles
is then given by

Σ = Λ1 + Λ2 − Φ1 − Φ2 + Θ , σ =
(
1 +

p
2

)
λ2 −

p
2λ1

Γ =
(
1 + 2

p

)
Λ1 + Λ2 , γ = λ2 − σ

Φ̃1 = Φ1 , ϕ1 = σ −Ω1
Φ̃2 = Φ2 , ϕ2 = σ −Ω2
Θ̃ = Θ , ϑ = θ − σ

. (16)

2.1.3. Conserved quantities and average

We can rewrite the Hamiltonian (2) using the resonant canonical
variables (Eq. (16)). For the actions, we can replace the semi-
major axes and the inclinations using relations (8) and (9)

ak =
Λ2

k

β2
kµk

, (17)

Ik ≈

√
2Φk

Λk
. (18)

It is important to note, however, that the Λk are no longer actions
of the resonant variables, and they must be obtained as (Eq. (16))

Λ1 = Γ1 −
p
2

(Φ1 + Φ2) , (19)

Λ2 = Γ2 +

(
1 +

p
2

)
(Φ1 + Φ2) , (20)

with

Γ1 =
p
2

Γ (1 − ∆) , (21)

Γ2 = −
p
2

Γ
(
1 −

(
1 + 2

p

)
∆
)
, (22)

and

∆ = (Σ − Θ) /Γ . (23)

In the approximation of low inclinations, Φk � Λk (Eq. (18)),
and so we also have Φk � Γk, allowing us to write

Λα
1 ≈ Γα1

[
1 − α

p
2

Φ1 + Φ2

Γ1

]
, (24)

Λα
2 ≈ Γα2

[
1 + α

(
1 +

p
2

)
Φ1 + Φ2

Γ2

]
, (25)

and

Ik ≈

√
2Φk

Γk
. (26)

The angle θ does not appear in the expression of the Hamil-
tonian (Eq. (2)), and so ϑ does not appear either (Eq. (16)). As a
consequence, the conjugated action, Θ, is a constant of motion.
According to the d’Alembert rule (conservation of the angular
momentum), the remaining angles must be combined as

cos
(
k1λ1 + k2λ2 + k3Ω1 + k4Ω2

)
, ki ∈ Z , (27)

where k1+k2+k3+k4 = 0, or, using the resonant angles (Eq. (16)),

cos
((

k1 +
2
p

k1 + k2

)
γ − k3ϕ1 +

(
k1 + k2 + k3

)
ϕ2

)
. (28)

Thus, the angle σ also does not appear in the Hamiltonian, and
its conjugated action, Σ, is a constant of motion. We note that,

Σ = (Λ1 − Φ1) + (Λ2 − Φ2) + Θ

= β1
√
µ1a1 cos I1 + β2

√
µ2a2 cos I2 + Cω (29)
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Table 1. Present physical and orbital properties of the Uranian system (Thomas 1988; Jacobson 2014).

m (M�×10−10) R (km) 〈Trot〉 (day) J2(×10−3) C/(m0R2)
Uranus 436562.8821 25559. 0.7183 3.5107 0.2296
Satellite m (M�×10−10) R (km) 〈Torb〉 (day) 〈a〉 (R) 〈e〉 (×10−3) 〈I〉 (◦)

Ariel 6.291561 578.9 2.479971 7.468180 1.22 0.0167
Umbriel 6.412118 584.7 4.133904 10.403550 3.94 0.0796

does indeed correspond to the projection of the total angular mo-
mentum of the system along the direction of s, which must be
conserved.

Near the MMR, the two resonant angles ϕ1 and ϕ2 present
a slower variation than the angle γ, that is, ϕ̇1, ϕ̇2 � γ̇. There-
fore, we can construct the resonant secular normal form of the
Hamiltonian (to the first order in mk/m0) by averaging over γ:

H̄ = 〈H〉γ =
1

2pπ

∫ 2pπ

0
H dγ . (30)

As a result, 〈HF〉γ = 0, and since γ no longer appears in the ex-
pression of the averaged Hamiltonian, the conjugated variable, Γ
(Eq. (16)), also becomes a constant of motion. We thus reduced a
problem with five degrees of freedom initially to a problem with
only two degrees of freedom, (Φ1, ϕ1) and (Φ2, ϕ2), and three pa-
rameters, Σ, Γ, and Θ. The auxiliary quantities Γ1 (Eq. (21)) and
Γ2 (Eq. (22)) are also constant.

The resonant secular Hamiltonian then finally reads as fol-
lows:
H̄ = (Ka + Sa)(Φ1 + Φ2) +Kb(Φ1 + Φ2)2

+ (Oa + Sb)Φ1 + (Ob + Sc)Φ2

+ Sd

√
Φ1

√
Φ2 cos (ϕ1 − ϕ2)

+ RaΦ1 cos (2ϕ1) + RbΦ2 cos (2ϕ2)

+ Rc

√
Φ1

√
Φ2 cos (ϕ1 + ϕ2) , (31)

where K stands for the Keplerian coefficients (Eq. (3)), O for
the oblateness coefficients (Eq. (4)),S for secular the coefficients
(Eq. (5)), and R for the resonant coefficients (Eq. (6)). The Kep-
lerian part needs to be expanded to the second order in Φk (fourth
order in the inclinations), because Kb is much larger than the re-
maining coefficients. The explicit expression of all these coeffi-
cients is given in appendix A.

2.1.4. Complex rectangular coordinates

The equations of motion expressed in the variables (Φk, ϕk) may
experience some singularities when Φk = 0 (because of the
terms in Sd and Rc). To remove this problem, we can perform a
second canonical change of variables to rectangular coordinates
(Φk, ϕk)→ (yk, iyk), where

yk =
√

Φkeiϕk , (32)
and yk is the complex conjugate of yk. From Eq. (26), we have

yk ≈ Ik

√
Γk

2
eiϕk , (33)

and so these variables are proportional to the inclinations. The
resonant secular Hamiltonian (Eq. (31)) now reads as follows:

H̄ = (Ka + Sa) (y1y1 + y2y2) +Kb(y1y1 + y2y2)2

+ (Oa + Sb) y1y1 + (Ob + Sc) y2y2 +
Sd

2
(y1y2 + y1y2)

+
Ra

2
(y2

1 + y2
1) +

Rb

2
(y2

2 + y2
2) +

Rc

2
(y1y2 + y1y2) . (34)

The conservative equations of motion are simply obtained as

dyk

dt
= i

∂H̄

∂yk
, (35)

yielding

ẏ1 = i
[

(Ka + Sa) y1 + 2Kb
(
y1y1 + y2y2

)
y1

+ (Oa + Sb) y1 +
Sd

2
y2 + Ray1 +

Rc

2
y2

]
(36)

and

ẏ2 = i
[

(Ka + Sa) y2 + 2Kb
(
y1y1 + y2y2

)
y2

+ (Ob + Sc) y2 +
Sd

2
y1 + Rby2 +

Rc

2
y1

]
. (37)

2.2. Dynamical evolution

The values of mk, J2, and R are relatively well determined for
the Uranian system (Table 1). Therefore, to compute the coef-
ficients K , O, S, and R appearing in the Hamiltonian (34), we
only need to know the values of the parameters Γ1 and Γ2 (see
Appendix A), which in turn depend on the parameters Γ and ∆
(Eqs. (21) and (22)).

If we neglect the O coefficients (oblateness coefficients), it
is possible to eliminate the dependence in Γ, because we get
H̄ ∝ Γ−2 (see appendix A and Delisle et al. 2012, Sect. 2.1.4).
Although here we cannot use this simplification, the conserva-
tive dynamics is still not very sensitive to the Γ parameter (eg.
Tittemore & Wisdom 1988, 1989), and so we fixed it at the ref-
erence value1

Γ = 2.6684 × 10−12 M� au2 yr−1 . (38)

The dynamics of the 5/3 MMR essentially depends on the ∆
parameter (Eq. (23)), which measures the proximity to the reso-
nance. Following Delisle et al. (2012), we write

δ =
∆

∆r
− 1 , (39)

where ∆r is the value of ∆ at the planar (Ik = 0) nominal reso-
nance, that is (Eq. (23) and (29)),

∆r =
(
Λ1,r + Λ2,r

)
/Γr , (40)

1 The value of Γ was obtained by reversing the orbital tidal evo-
lution of the system (Eq. (73)) until the nominal resonance was
achieved (Eq. (77)) and starting with the present semi-major axes (see
Sect. 3.3.2).
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when n1/n2 = 5/3, where nk is the mean motion of the satellite
with mass mk. At the nominal resonance, using Kepler’s third
law, we have the following relation for the Λk,r:

Λ2,r = ε
(

5
3

)1/3
Λ1,r , with ε =

β2µ
2/3
2

β1µ
2/3
1

≈
m2

m1
. (41)

From the expression of Γr (Eq. (16)), we additionally have

Λ2,r = Γr −
5
3

Λ1,r , (42)

which can be combined with expression (41) to give

Λ1,r =

(
5
3 + ε

(
5
3

)1/3
)−1

Γr (43)

Λ2,r =

(
1 + ε−1

(
5
3

)2/3
)−1

Γr , (44)

and finally (Eq. (40))

∆r =

(
1 + ε

(
5
3

)1/3
) (

5
3 + ε

(
5
3

)1/3
)−1

. (45)

2.2.1. Equilibrium points

The equilibrium points correspond to stationary solutions of the
Hamiltonian. They can be found by solving

∂H̄

∂y1
= 0 and

∂H̄

∂y2
= 0 , (46)

that is, finding the roots of Eqs. (36) and (37). Splitting these
equations into their real and imaginary parts, yk = yk,r + iyk,i, we
get

y2,r = −2
Ka + 2Kb (Φ1 + Φ2) + Oa + Sa + Sb + Ra

Sd + Rc
y1,r , (47)

y1,r = −2
Ka + 2Kb (Φ1 + Φ2) + Ob + Sa + Sc + Rb

Sd + Rc
y2,r , (48)

y2,i = −2
Ka + 2Kb (Φ1 + Φ2) + Oa + Sa + Sb − Ra

Sd − Rc
y1,i , (49)

y1,i = −2
Ka + 2Kb (Φ1 + Φ2) + Ob + Sa + Sc − Rb

Sd − Rc
y2,i . (50)

Replacing expressions (48) and (50) into expressions (47)
and (49), respectively, yields that equilibria arise for

y1,r = y2,r = 0 or y1,i = y2,i = 0 . (51)

A more deep analysis shows that stable equilibria can only occur
when the real roots are null. We then focussed on these roots
to determine the exact position of the stable equilibria. Since
y1,r = y2,r = 0, we have (Eq. (32))

y1,i = ±
√

Φ1 and y2,i = ±
√

Φ2 , (52)
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δ (×10−5)

Fig. 1. Evolution of the equilibrium points as a function of δ. The green
lines represent stable points inside the resonance (in a libration region),
the red lines represent hyperbolic points (unstable), and the blue lines
represent stable fixed points (in a circulation region).

which we replaced in expressions (49) and (50) to determine the
possible values of Φ1 and Φ2,

Φ1 = Φ2 = 0 (53)

or

Φ1 =
(Rc − Sd)ε± − 2(Ka + Oa + Sa + Sb − Ra)

4Kb(1 + ε2
±)

, (54)

Φ2 = ε2
±Φ1 , (55)

with

ε± =
Oa − Ob − Ra + Rb + Sb − Sc

Rc − Sd

±

√
(Oa − Ob − Ra + Rb + Sb − Sc)2 + (Rc − Sd)2

Rc − Sd
. (56)

The equilibrium point at Φ1 = Φ2 = 0 is always present,
although it can be stable or unstable. The remaining equilibria
only exist for some δ values. In Fig. 1, we show the evolution
of the equilibrium points as a function of δ. We rescaled the yk,i

by
√

Γk/2, such that we can translate the different equilibria in
terms of inclinations (Eq. (33)).

For positive δ values far from zero, there is only one equi-
librium point at Ik = 0, which is stable (in blue). For δ =
2.068 × 10−6, there is a first bifurcation in the equilibria: two
new stable equilibrium points appear at non-zero inclination
(in green), while the point at Ik = 0 becomes unstable. For
δ = −2.540 × 10−7, which is very close to the resonance nominal
value δ = 0 (Eq. (40)), a second bifurcation arises: two additional
unstable equilibrium points appear at a non-zero inclination (in
red), while the point at Ik = 0 becomes stable again.
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2.2.2. Energy levels

For a better understanding of the dynamics, we can look at the
energy levels of the resonant secular Hamiltonian (34) for dif-
ferent values of δ (Eq. (45)). Since our problem has two de-
grees of freedom, and thus four dimensions, we need to plot
these levels on section planes. We chose the plane (y1,i, y2,i) with
y1,r = y2,r = 0, in order for stable equilibria to become visible
(Eq. (52)). In Fig. 2, we show the energy levels for three val-
ues of δ, which are representative of the three different equilib-
rium possibilities appearing in Fig. 1. Again, we rescaled yk,i by
√

Γk/2, and so we actually show the energy levels in the plane
(I1 sinϕ1, I2 sinϕ2) with cosϕ1 = cosϕ2 = 0.

For δ = 5 × 10−6 > 0 (Fig. 2a), there is a single equilibrium
point (y1,i = 0, y2,i = 0) at the centre (in blue). It corresponds
to a fixed point of the Hamiltonian (34), which is surrounded
by a circulating region. Therefore, in this case (and for higher δ
values), all trajectories are outside the 5/3 MMR.

For δ = 0 (Fig. 2b), the system is at the nominal reso-
nance (Eq. (39)). In this case, the equilibrium point at the centre
(y1,i = 0, y2,i = 0) is still present (in red), but it is now unsta-
ble. Indeed, there is a separatrix in a tilted ‘8’ shape emerging
from this point that surrounds two additional stable equilibrium
points (in green). Trajectories inside the separatrix that encircle
the stable points are in libration and correspond to orbits inside
the 5/3 MMR. Trajectories outside the separatrix are in circula-
tion.

Finally, for δ = −2 × 10−6 < 0 (Fig. 2c), several equilibria
exist. There are two hyperbolic points (in red) from which a sep-
aratrix with two ‘banana’ shapes emerges. This separatrix delim-
its the phase space in libration and circulation regions. There are
two stable points (in green), one inside each banana island. Tra-
jectories that move around these points are in libration and corre-
spond to orbits inside the 5/3 MMR. The point (y1,i = 0, y2,i = 0)
at the centre (in blue) is again stable and inside a small circula-
tion region. Trajectories outside the separatrix are also in circu-
lation. This kind of phase space persists for smaller δ values, but
the central circulation region becomes larger, while the resonant
islands become thinner.

2.2.3. Surface sections

The energy levels from previous the section allowed us to iden-
tify the different regions of the phase space, but a priori they do
not correspond to trajectories followed by the system. Indeed,
since our problem has four dimensions, they show the trajecto-
ries when they cross the section plane with y1,r = y2,r = 0, which
only remain constant for the equilibrium points. An alternative
projection consists of fixing only y1,r = 0 (or y2,r = 0) together
with a constant energy, that is, to draw Poincaré surface sections.
This projection is less restrictive, and therefore allows us to dis-
tinguish between periodic (fixed points), quasi-periodic (closed
curves), and chaotic trajectories. For that purpose, we used the
modified Hénon method (Henon & Heiles 1964; Palaniyandi
2009).

In Fig. 2, we observe that the more diverse dynamics occurs
for δ = −2×10−6. We thus adopted this value to draw the surface
sections. Since the Hamiltonian (34) is a four-degree function of
yk, the intersection of the constant energy manifold by a plane
may have up to four roots (families). Each family corresponds
to a different dynamical behaviour, and so we must plot one of
them at a time. However, the families are symmetric and actually
we only need to show two of them. We chose to represent the
families with the positive roots (that we dub 1 and 2).
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Fig. 2. Energy level curves in the plane (I1 sinϕ1, I2 sinϕ2) with cosϕ1 =
cosϕ2 = 0, for δ = 5 × 10−6 (top), δ = 0 (middle), and δ = −2 × 10−6

(bottom). Stable equilibria are coloured in green (resonance) and blue,
while unstable equilibria are coloured in red, as well as the level curves
that correspond to the separatrix.
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In Fig. 3, we show a set of surface sections for the motion of
Ariel in the plane (y1,i, y1,r) with y2,r = 0. We rescaled yk again by
√

Γk/2, and so we actually show the surface sections in the plane
(I1 sinϕ1, I1 cosϕ1) with cosϕ2 = 0. Each panel corresponds to
a different energy value, which coincide with the energy levels
that are shown in Fig. 2c (we adopted the same colour code).
The lowest energies occur in the circulation regions, H̄ < H0,
the separatrix corresponds to a transition level, H̄ = H0, while
the largest energies occur in the libration region, H̄ > H0. The
inner circulation region is delimited by the levels 0 < H̄ < H0,
where H̄ = 0 corresponds to the energy of the equilibrium point
with y1 = y2 = 0 (blue point in Fig. 2c). For this energy range,
there are four families, while for the remaining energies only two
families exist.

For H̄ � 0 (Fig. 3a), only family 1 exists, and we observe
that the system is always quasi-periodic, corresponding to tra-
jectories in the outer circulation region. As the energy increases,
two islands appear, corresponding to trajectories that are in the
libration region (in resonance). Initially, the motion in these
new regions is also quasi-periodic. However, as the energy ap-
proaches the threshold H̄ = 0 (Fig. 3b,c), some chaotic regions
appear in the transition between the circulation and libration re-
gions. For 0 < H̄ < H0 (family 1), the chaotic regions increase,
while the resonant islands shrink (Fig. 3d,e), until they com-
pletely disappear for H̄ = H0 (Fig. 3f). For this specific energy
range, we also needed to plot family 2. Close to H̄ = 0, we ob-
serve quasi-periodic motion in the inner circulation region, but,
as we approach H̄ = H0, this area is also completely replaced
by a chaotic region (Fig. 3j,k,l). Finally, for H̄ > H0, we observe
that the chaotic region progressively vanishes and it is replaced
by quasi-periodic motion in the libration region (Fig. 3g,h,i). In
this energy range, we only have family 1 and trajectories in the
outer circulation region also do not exist. Moreover, there is also
a forbidden region at the centre of each panel that grows with the
energy value while the libration areas shrink.

From the analysis of the surface sections, we conclude that
the dynamics of the 5/3 MMR between Ariel and Umbriel is very
rich and depends on the energy of the system. In fact, the energy
depends on the value of the inclinations (Eq. (34)), given by the
variables y1 and y2 (Eq. (33)). Therefore, the value of the inclina-
tions of Ariel and Umbriel when the system encounters the res-
onance can trigger completely different behaviours. For H̄ < 0,
the motion is quasi-periodic, either in circulation or libration.
Near the separatrix, H̄ ∼ H0, the motion is mainly chaotic. Fi-
nally, for H̄ � H0, the motion is again quasi-periodic, but only
possible in libration with a small amplitude around the high in-
clination stable equilibrium points (Fig. 1).

3. Tidal evolution

The resonant dynamics presented in the previous section is con-
servative and thus the average semi-major axes remain constant.
However, the orbits of the Uranian satellites are expected to
evolve because of tidal interactions. The tidal contributions to
the orbital and spin evolution can be obtained by considering an
additional tidal potential (eg. Darwin 1880; Kaula 1964).

3.1. Tidal potential energy

Tides arise from differential and inelastic deformations of an ex-
tended body (e.g. Uranus) owing to the gravitational effect of a
perturber (e.g. Ariel or Umbriel). The resulting distortion gives
rise to a tidal bulge, which modifies the gravitational potential of

the extended body. The dissipation of the mechanical energy of
tides inside the body introduces a time delay, τ, between the ini-
tial perturbation and the maximal deformation. As the perturber
interacts with the additional potential field, the amount of tidal
potential energy is given by

Uk = −k2
Gm2

k

R

(
R
rk

)3 (
R
r′k

)3

P2(r̂k · r̂′k) , (57)

where k2 is the elastic second Love number for potential of the
body, rk = rk(t) is the position of the pertuber at a time t, and
r′k = rk(t − τ) is its position when it exerts the perturbation. In
this work we solely consider the deformations raised on Uranus
by its satellites, since we assumed the satellites as point masses
(Sect. 2). This choice is fully justified because for circular orbits
and synchronous satellites the tides raised by the planet on its
satellites can be neglected (eg. Correia 2009).

Although tidal effects do not preserve the mechanical energy,
it is possible to extend the Hamiltonian formalism from Sect. 2
by considering the primed quantities, r′k, as parameters (Mignard
1979). The tidal Hamiltonian then reads (Eqs. (2) and (57)) as
follows:

Ht = H + U1 + U2 . (58)

As in Sect. 2.1.1, we first expanded Uk in elliptical elements. To
the first order in the mass ratios, zeroth order in the eccentricities,
and second order in the inclinations, we have

Uk = −k2
Gm2

kR5

4a3
ka′3k

[
1 + 3 cos(2θ − 2θ′ − 2λk + 2λ′k)

−
3
2

I2
k

(
1 − cos(2λk − 2Ωk) + cos(2θ − 2θ′ − 2λk + 2λ′k)

− cos(2θ − 2θ′ + 2λ′k − 2Ωk)
)

−
3
2

I′2k

(
1 − cos(2λ′k − 2Ω′k) + cos(2θ − 2θ′ − 2λk + 2λ′k)

− cos(2θ − 2θ′ − 2λk + 2Ω′k)
)

+ 3IkI′k
(

cos(θ − θ′ − 2λk + 2λ′k + Ωk −Ω′k)

+ cos(θ − θ′ −Ωk + Ω′k)

− cos(θ − θ′ − 2λk + Ωk + Ω′k)

− cos(θ − θ′ + 2λ′k −Ωk −Ω′k)
)]
.

(59)

We first performed the canonical change of variables that uses
the resonant angles (Eq. (16)), and then changed to the complex
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Fig. 3. Poincaré surfaces of section for Ariel in the plane (I1 sinϕ1, I1 cosϕ1) with cosϕ2 = 0 and δ = −2 × 10−6. Each panel was obtained with a
different energy value, corresponding to the energy levels shown in Fig. 2c (we adopted the same colour code), andH0 = 1.06 × 10−19 M� au2 yr−2.
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Cartesian coordinates (Eq. (32)), to get

Uk = −k2
Gm2

kR5β12
k µ

6
k

4Γ7
kΓ′7k

[
ΓkΓ

′
k − 3Γ′k ykyk − 3Γk y′ky′k

− 6pk

(
Γ′k y1y1 + Γk y′1y′1 + Γ′k y2y2 + Γk y′2y′2

)
+ 3

(
ΓkΓ

′
k − Γ′k ykyk − Γk y′ky′k

− 6pk(Γ′k y1y1 + Γk y′1y′1 + Γ′k y2y2 + Γk y′2y′2)
)

× cos(2(ϑ − ϑ′ − qk(γ − γ′)))

+
3
2

Γk

(
y′2k + y′2k

)
cos(2qkγ

′)

+
3
2

Γ′k

(
y2

k + y2
k

)
cos(2qkγ)

+ 3
√

ΓkΓ
′
k

(
yky′k + y′kyk

)
cos(ϑ − ϑ′)

− 3
√

ΓkΓ
′
k

(
yky′k + yky′k

)
cos(ϑ − ϑ′ + 2qkγ

′)

− 3
√

ΓkΓ
′
k

(
yky′k + yky′k

)
cos(ϑ − ϑ′ − 2qkγ)

+ 3
√

ΓkΓ
′
k

(
yky′k + y′kyk

)
cos(ϑ − ϑ′ − 2qk(γ − γ′))

+
3
2

Γ′k

(
y2

k + y2
k

)
cos(2(ϑ − ϑ′ + qkγ

′))

+
3
2

Γk

(
y′2k + y′2k

)
cos(2(ϑ − ϑ′ − qkγ))

−
3
2

i Γk

(
y′2k − y′2k

)
sin(2qkγ

′)

−
3
2

i Γ′k

(
y2

k − y2
k

)
sin(2qkγ)

+ 3i
√

ΓkΓ
′
k

(
y′kyk − yky′k

)
sin(ϑ − ϑ′)

+ 3i
√

ΓkΓ
′
k

(
yky′k − yky′k

)
sin(ϑ − ϑ′ + 2qkγ

′)

− 3i
√

ΓkΓ
′
k

(
yky′k − yky′k

)
sin(ϑ − ϑ′ − 2qkγ)

− 3i
√

ΓkΓ
′
k

(
y′kyk − yky′k

)
sin(ϑ − ϑ′ − 2qk(γ − γ′))

−
3
2

i Γ′k

(
y2

k − y2
k

)
sin(2(ϑ − ϑ′ + qkγ

′))

+
3
2

i Γk

(
y′2k − y′2k

)
sin(2(ϑ − ϑ′ − qkγ))

]
, (60)

with p1 = −p/2, p2 = 1 + p/2, q1 = 1 + 2/p, and q2 = 1.
We note that σ does not appear in the expression of Uk.

Therefore, in the presence of tides the parameter Σ (Eq. (29))
remains conserved. The fast angle γ is still present in the expres-
sion of Uk, but at this stage we cannot perform an average as in
Sect. 2.1.3 because γ′ is considered as a parameter that can later
cancel with γ (see Eq. (64)).

3.2. Secular equations of motion

The equations of motion are obtained from Eq. (58) using the
Hamilton equations. The additional contributions from tides

only derive from the tidal potential energy Uk, and are given by

ẏk = i
2∑

j=1

∂U j

∂yk
, Γ̇ = −

2∑
j=1

∂U j

∂γ
, Θ̇ = −

2∑
j=1

∂U j

∂ϑ
. (61)

In principle, we should also write the equations for γ̇ and ϑ̇, but
these angles disappear from the equations of motion with some
of the following simplifications, and so we do not need them to
get a closed set for the secular evolution of the system.

To handle the expression of the primed quantities, we need
to use a tidal model. For simplicity, we adopt here the weak fric-
tion model (eg. Singer 1968; Alexander 1973), which assumes
a constant and small time delay, τ. This model is widely used
and provides very simple expressions for the tidal interactions,
because it can be made linear (eg. Mignard 1979):

λ′k ≈ λk − nkτ and θ′ ≈ θ − ωτ . (62)

It follows for the remaining primed quantities that

y′k ≈ yk − iyk (p2n2 + p1n1) τ , (63)

γ′ ≈ γ − p1 (n2 − n1) τ , (64)

ϑ′ ≈ ϑ + (p2n2 + p1n1 − ω) τ , (65)

with

nk = β3
kµ

2
k/Γ

3
k . (66)

We then substituted expressions (63) to (65) into the equations
of motion (61) and averaged over the fast angle γ (as in Eq. (30))
to finally get the secular equations for the tidal evolution

ẏ1 = −
3
2
D1

Γ13
1

(2ip + n1τ) y1 + 3i(p + 2)
D2

Γ13
2

y1 , (67)

ẏ2 = −
3
2
D2

Γ13
2

(−2i(p + 2) + n2τ) y2 − 3ip
D1

Γ13
1

y2 , (68)

Γ̇ = 3
D1

Γ13
1

(1 + 2/p)
[(

Γ1 + 6p(y1y1 + y2y2) − y1y1

)
ω

−
(
Γ1 + 6p(y1y1 + y2y2)

)
n1

]
τ

+3
D2

Γ13
2

[(
Γ2 − 6(p + 2)(y1y1 + y2y2) − y2y2

)
ω

−
(
Γ2 − 6(p + 2)(y1y1 + y2y2)

)
n2

]
τ , (69)

Θ̇ = −3
D1

Γ13
1

[(
Γ1 + 6p(y1y1 + y2y2) − y1y1

)
ω

−
(
Γ1 + 6p(y1y1 + y2y2) − y1y1

)
n1

]
τ

−3
D2

Γ13
2

[(
Γ2 − 6(p + 2)(y1y1 + y2y2) − y2y2

)
ω

−
(
Γ2 − 6(p + 2)(y1y1 + y2y2) − y2y2

)
n2

]
τ , (70)
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where

Dk = k2Gm2
kβ

12
k µ

6
kR5 . (71)

We note that in the expressions of y1 (Eq. (67)) and y2 (Eq. 68)),
we have a conservative contribution (imaginary terms) and a dis-
sipative contribution (real terms in τ). The conservative contribu-
tions result from a permanent tidal deformation and only slightly
modify the fundamental frequencies of the system, while the dis-
sipative contributions modify the secular evolution.

3.3. Tidal constraints

Tidal dissipation induces variations in the parameters Γ
(Eq. (69)) and Θ (Eq. (70)). Then, the coefficients K , O, S, and
R appearing in the Hamiltonian (34) slowly change in time
(Eqs. (21)−(23)), modifying the phase space (Fig. 2), which
translates into a secular evolution of the system. We note that
for the oblateness coefficients (Eqs. (A.3) and (A.4)), changes
are observed not only due to Γ, but also in J2, according to (eg.
Correia & Rodríguez 2013)

J2 = kf
ω2R3

3Gm0
, (72)

where ω = Θ/C (Eq. (7)) and kf is the fluid second Love number
for potential. Using the present rotation rate and J2 of Uranus
(Table 1), we obtained kf = 0.356.

3.3.1. Orbital evolution

For a better understanding of the tidal evolution of the satellites’
orbits, we can compute the secular evolution of the semi-major
axes and inclinations from Eqs. (17) and (18) as

ȧk ≈ 2Ak

(
ω

nk
(1 − 1

2 I2
k ) − 1

)
ak , (73)

İk ≈ −
Ak

2
ω

nk
Ik , (74)

with

Ak =
3Gm2

kR5

βka8
k

k2τ . (75)

Both Ariel and Umbriel have very low inclinations (Table 1).
Combined with the fast rotation rate of Uranus (ω/nk � 1), we
conclude that tides induce an outward migration of the satellites
(Eq. (73)), and they damp their inclinations (Eq. (74)).

3.3.2. Resonance encounter

We can extrapolate the past evolution of the semi-major axes
and determine when the 5/3 MMR encounter may have occurred
(Eq. (73)). Neglecting the effect of the inclination and assuming
a constant rotation rate for Uranus (ω/nk ≈ cte), we get

a7
2da2

m2 (ω/n1 − 1)
≈

a7
1da1

m1 (ω/n2 − 1)
, (76)

which can be integrated to obtain a2 as a function of a1. Starting
with the present system (Table 1) and assuming that the satel-
lites were not temporarily captured into resonance, we can move
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Fig. 4. Tidal evolution of the semi-major axes of Ariel and Um-
briel (Eq. (76)). The orange point marks the current observed values
(Table 1). The dashed line gives the position of the nominal 5/3 MMR
relation between a2 and a1 (Eq.( 77)). The blue point gives the best es-
timation for the semi-major axes at the nominal resonance (Eq. (78)).

backwards until the ratio of the nominal resonance is achieved
(Eq. (41))

a2/a1 ≈ (5/3)2/3 ≈ 1.4057 . (77)

This allowed us to get the best estimate for the semi-major axes
of Ariel and Umbriel at the exact 5/3 MMR (Fig. 4),

a1/R = 7.3906 , a2/R = 10.3891 , (78)

and to compute other related parameters, such as Γ (Eq. (38)).

3.3.3. Evolution timescale

The orbital evolution timescale depends on τ, which is related to
the tidal dissipation (Eq. (62)). A more commonly used dimen-
sionless quantity to measure the tidal dissipation is given by the
quality factor (eg. Correia & Valente 2022),

Q = 1/(2ωτ) . (79)

As a result of studying the likelihood of resonance cross-
ing in the Uranian system, Tittemore & Wisdom (1990) stated
that the 2/1 MMR Ariel-Umbriel cannot be crossed, while the
3/1 MMR Miranda-Umbriel can be, and thus they constrained
the interval of Q to be between 11 000 and 39 000. Following the
same approach, but using more recent measures for the satellites’
masses (Jacobson 2014), we find that Q = 8 000 is a more suit-
able value. From Eq. (79), we then computed τ ≈ 0.62 s. In fact,
the exact dissipation rate depends on the product k2τ (Eq. (75)).
As in previous studies, in the present work we adopted k2 =
0.104 (Gavrilov & Zharkov 1977), which translates into

k2

Q
= 1.3 × 10−5 ⇔ k2τ = 0.064 s . (80)

Using Eq. (73), we estimate that the 5/3 MMR was crossed
about 640 Myr ago. We can also estimate the damping timescale
for the inclinations of both satellites (Eq. (74)). We get

τinc ≈
4βka8

knkQ

3Gm2
kR5k2

, (81)

which yields about 180 Gyr and 1500 Gyr for Ariel and Umbriel,
respectively. We hence conclude that the presently observed in-
clination values are likely unchanged since the system crossed
the 5/3 MMR.
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3.4. Capture probability

The behaviour of the system when it crosses the 5/3 MMR is not
straightforward, since the problem has two degrees of freedom.
As explained in Sect. 2.2.3, the different behaviours while cross-
ing the resonance depend on the energy of the system, which cor-
responds to different inclinations. In order to get an idea of the
critical inclinations that tend to trap the system in resonance or
skip it, we can build a simplified one degree-of-freedom model.

The system can either be in resonance with the angle ϕ1 or
ϕ2. Following Tittemore & Wisdom (1988), we retained only the
terms associated with each angle and obtained their associated
one degree-of-freedom simplified Hamiltonian (Eq. (34))

Hk = Ak ykyk + Bk (ykyk)2 +
Ck

2
(y2

k + y2
k) , (82)

with

A1 = Ka + Oa + Sa + Sb , B1 = Kb , C1 = Ra , (83)

A2 = Ka + Ob + Sa + Sc , B2 = Kb , C2 = Rb . (84)

In this simplified case, we could then directly apply the the-
ory of the adiabatic invariant for resonance capture (Henrard
1982; Henrard & Lemaître 1983). In general, the phase space
of a given resonance presents three different regions delimited
by the separatrix (see for instance Fig. 2c): a libration region,
with area JR

k , and two circulation regions, one outside the libra-
tion region and another encircled by the separatrix, with an area
JC

k . Consider an initial trajectory with some energy Hk < H0.
As the system evolves due to tides, the phase space and the ar-
eas of each region also change. When the trajectory encounters
the resonance, depending on the exact place where the separatrix
is crossed, the system can either evolve into the libration region
(resonance) or into the inner circulation region. We can compute
the capture probability analytically, provided that the evolution
is adiabatic, that is, the tidal induced variations are much slower
than the conservative inclination variations. The capture prob-
ability can then be obtained by the modification of the phase
space with time, that is, by the change in the areas encircled by
the separatrix (eg. Yoder 1979; Henrard 1982):

Pcap =
J̇R

k

J̇R
k + J̇C

k

. (85)

The area of the resonance region is obtained by integrating
over the separatrix,

JR
k = i

∮
yk dyk . (86)

The energy of the separatrix (H0) can be found by finding the
hyperbolic points (see Sect. 2.2.1) and computing the Hamilto-
nian (82) at these points,

H0 = −
(Ak + Ck)2

4Bk
. (87)

Replacing H0 into expression (82), we find, for the separatrix
points, that

yk = −
2Akyk ±

√
−2Ck

(
Ak + 2y2

kBk + Ck

)2
/Bk

4y2
kBk + 2Ck

. (88)

There are two solutions, the + corresponding to the branch be-
tween the libration and the outer circulation region (J+

k ), and the
− corresponding to the branch between the libration and the in-
ner circulation region (J−k ). Therefore, we have JR

k = J+
k +J−k

and JC
k = −J−k , which gives (Eq. (85))

Pcap =
J̇+

k + J̇−k

J̇+
k

= 1 +
∂J−k
∂Γ

/ ∂J+
k

∂Γ
, (89)

where,

∂J−k
∂Γ

=
1
B2

k

arcsin
√− Ck

Ak

 +
π

2

 (BkA
′
k −AkB

′
k)

+
1
B2

k

√
−
Ck +Ak

Ck
(BkC

′
k − CkB

′
k) , (90)

∂J+
k

∂Γ
=

1
B2

k

arcsin
√− Ck

Ak

 − π2
 (BkA

′
k −AkB

′
k)

+
1
B2

k

√
−
Ck +Ak

Ck
(BkC

′
k − CkB

′
k) , (91)

and A′k = ∂Ak/∂Γ, B′k = ∂Bk/∂Γ, and C′k = ∂Ck/∂Γ. We note
that since Γ is the only time-dependent quantity appearing inAk,
Bk, and Ck (appendix A), J̇k = Γ̇ ∂Jk/∂Γ (we neglected the
small changes in Θ from the oblateness coefficients, Ok).

In Fig. 5, we show the probability of capture in the ϕ1 and ϕ2
resonances obtained with expression (89). For some inclination
values, we also show the results obtained with numerical inte-
grations of the equations of motion derived from the simplified
Hamiltonian (Eq. (82)) together with the secular tidal equations
(Eqs. (67)−(70)). For each initial inclination, we ran 100 simu-
lations where the initial angle ϕk was uniformly sampled. The
amount of simulations captured in resonance at the end of the
simulation are marked with a dot. The statistical fluctuation, rep-
resented as error bars, were estimated using binomial statistics,
with the expression

∆P =

√
Pcap

N

(
1 − Pcap

)
, (92)

where N = 100 is the number of simulations (e.g. Tittemore &
Wisdom 1988). We observe that there is a good agreement be-
tween the theoretical curve (Eq. (89)) and the output of the nu-
merical simulations, that is, the adiabatic approximation holds.

In Fig. 5, we observe that for initial inclinations lower than
0.05◦, the system is always captured in resonance. However, as
we increase the initial inclination, the capture probability quickly
decreases, it becomes ∼ 50% for Ik = 0.1◦, and drops to ∼ 30%
for Ik = 0.2◦. These results suggest that a system with nearly
coplanar orbits cannot escape the 5/3 MMR, but for inclinations
higher than about 0.1◦, it may be able to evade it.

We cannot completely rely on the conclusions obtained with
the simplified Hamiltonian, mainly for two reasons. One is be-
cause the complete Hamiltonian (Eq. (34)) depends on the incli-
nation of the other body. When we simplified the Hamiltonian
(Eq. (82)) for y1, we dropped all terms in y2 (and vice versa),
which is equivalent to setting y2 = 0. However, if we set y2 , 0,
more terms appear in the Hamiltonian, leading to a different dis-
tribution in the capture probabilities. The other reason is that the
complete Hamiltonian has two degrees of freedom, and so for
some combinations of the inclination values, the system can be
chaotic (see Sect. 2.2.3). For the trajectories crossing the chaotic
regions, the final outcome is unpredictable.

Article number, page 11 of 19



A&A proofs: manuscript no. arXiv

0.0

0.2

0.4

0.6

0.8

1.0

0.0

0.2

0.4

0.6

0.8

1.0

0.0 0.2 0.4 0.6 0.8 1.0

P
c

Ariel

P
c

inclination (◦)

Umbriel

Fig. 5. Capture probabilities in the ϕ1 (top) and ϕ2 (bottom) resonances.
The solid line gives the theoretical approximation given by expression
(89), while the dots give the results of numerical simulations. We ran
100 initial conditions with ϕk differing by 1.8◦.

4. Numerical simulations

We have seen that Ariel and Umbriel almost certainly encoun-
tered the 5/3 MMR at some time in the past. Depending on the
inclination values of these satellites, the system may experience
rather different behaviours. Near coplanar orbits are expected to
become trapped in resonance, while some inclination can lead to
alternative scenarios. In order to get a global view of the resonant
dynamics with tides, in this section we integrate the complete set
of differential equations (36), (37), and (67) to (70).

4.1. Setup

When a resonance is crossed, we cannot perform a backward in-
tegration because we have a stochastic evolution. Therefore, we
need to place the system slightly before the resonance encounter
and then integrate it forwards. It is not possible to determine the
exact semi-major axes prior to resonance crossing, but if the sys-
tem does not spend much time in resonance, the semi-major axes
should not differ much from the estimation given in Sect. 3.3.2.
We still need to slightly decrease a1 (or increase a2) to move the
system out of the nominal resonance (Eq. (78)). Since tides are
stronger in Ariel, we opted to shift a1 and kept a2 constant:

a1/R = 7.3892 , a2/R = 10.3891 . (93)

These values of the semi-major axes allowed us to compute the
initial Γ parameter (Eq. (16)). For some given initial inclination
values, we could also compute the initial value of ∆ (Eq. (23)),
which translates into an initial δ > 0 (Eq. (39)).

The physical properties of Uranus and its satellites can be
found in Table 1. The total angular momentum is conserved and
can also be obtained from the present system,

Σ = 9.367 247 × 10−10 M� au2 yr−1 . (94)

The initial rotational rate, ω, was obtained from Σ using Eq. (29)
with the pre-resonance semi-major axes (Eq. (93)). Finally, for
the tidal dissipation, we adopted k2τ = 0.064 s (Eq. (80)).

4.2. Comparison with analytical estimations

In general, tidal effects are weak and only correspond to small
perturbations of the conservative dynamics (adiabatic approxi-
mation). To verify that the numerical integrations do follow the
theoretical predictions from Sects. 2 and 3, we initially ran a few
simulations with the full equations of motion and then superim-
posed the output in the equilibria map as a function of δ (Fig. 1).
Since ω > nk, tidal effects are expected to increase the value of Γ
(Eq. (69)) and thus decrease the value of δ (Eq. (39)). Therefore,
the results of the simulations as a function of time must be read
from the right to the left in the figure.

In Fig. 6, we show the results of a first experiment with very
small initial inclinations for both satellites, I1 = I2 = 0.01◦.
Initially, when δ > 0, the system is in circulation with a small
amplitude around the equilibrium point at zero (y1 = 0, y2 = 0).
The system encounters the resonance when δ ≈ 0. However, just
before δ = 0, two stable equilibrium points emerge (correspond-
ing to the 5/3 MMR), and the equilibrium point at zero becomes
unstable. The system is thus forced to follow one of the two res-
onance branches. As the system evolves and δ < 0, the equilib-
rium point at zero becomes stable again. However, because the
amplitude of oscillation is small, the system closely follows the
resonant branch, which corresponds to an increase in the incli-
nations. We thus confirm that for initially near coplanar orbits,
the system cannot avoid capture in the 5/3 MMR (Sect. 3.4).

In Fig. 7, we show the results of a second experiment with
higher initial inclinations for both satellites, I1 = I2 = 0.1◦. The
initial evolution for δ > 0 is similar to the case with lower ini-
tial inclinations (Fig. 6), except that the amplitude of oscillation
is ten times larger in this case (corresponding to a system with a
higher energy). As the system encounters the resonance at δ ≈ 0,
it is not able to follow one of the resonant equilibria and it re-
mains in a chaotic region around the separatrix (Fig. 3f). In the
example on the left (Fig. 7a), after some time in the chaotic re-
gion with δ < 0, the system finds a way into the libration region
and follows one of the resonant branches in a quasi-periodic orbit
(Fig. 3i). On the other hand, in the example on the right (Fig. 7b),
the system finds an alternative path back into the circulation re-
gion around the equilibrium point at zero in a quasi-periodic or-
bit (Fig. 3k). We thus confirm that for initial orbits with some
inclination, the system experiences a chaotic regime for some
time (Sect. 2.2.3), after which it can either be captured in the
5/3 MMR, or escape it with some probability (Sect. 3.4).

4.3. Impact of the initial inclination

The present mean inclinations of Ariel and Umbriel (Table 1) are
likely unchanged after the system quits the 5/3 MMR (Eq. (81)).
However, they may have been rather different before this en-
counter, as the inclinations undergo some excitations while
crossing the resonance (Sect. 2). The fact that the system is
not trapped in resonance at present, implies that the separatrix
was crossed at some point and the inclinations had to experience
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Fig. 6. Tidal evolution of the system as function of δ for initial inclina-
tions I1 = I2 = 0.01◦. The results of the numerical simulation (in black)
are superimposed in the equilibria map (Fig. 1). We show the evolution
for the resonant angle ϕ1 (top) and ϕ2 (bottom).

some chaotic oscillations (Fig. 7b). Therefore, it is impossible to
simply integrate backwards and determine the exact inclination
values prior to the resonance encounter. To have a more clear
idea of what the system may have been, we need to perform a
statistical study of its past evolution, starting with arbitrary ini-
tial inclinations for both Ariel and Umbriel and then reject those
that are not coherent with the present observations.

For that purpose, we explored a mesh of initial inclinations
ranging between 0.001◦ and 0.2◦ with a stepsize of 0.05◦. For
each pair (I1, I2), we ran 1abe000 simulations evenly sampled
over the angle σ (Eq. (10)) for 100 Myr, in a total of 25 000 ex-
periments. In Table 2, we list the complete set of initial condi-
tions together with a summary of the outcome of the resonance
crossing. The results of the simulations are presented in percent-
age because they can be seen as a statistical distribution of a
given final evolution possibility. The total number of events of
each kind can be simply obtained multiplying the percent by ten.

4.3.1. Capture probability

For each run, we first evaluated whether capture in resonance
occurred or not. Capture takes place whenever at least one res-
onant angle, ϕk (Eq. (11)), switches from circulation to libra-
tion, and the mean motion ratio becomes approximately constant
(n1/n2 ≈ 5/3). The mean motion ratio criterion is usually more
useful to automatically detect captures because inside chaotic re-
gions the behaviour of the resonant angles can be quite erratic.
Conversely, capture does not occur when all resonant angles re-
main in circulation, which introduces only a small jump in the
mean motion ratios. For this last case, we consider that the reso-
nance is skipped. In Table 2, the relative number of these events
is dubbed as Ps (skip probability).

The capture probability can be simply evaluated as 1 − Ps.
However, when a capture occurs, we still have to distinguish be-

tween trajectories that remain captured for long periods of time
from those that are able to escape shortly after. Indeed, in many
resonant lockings, the inclinations remain chaotic and the sys-
tem is able to evade the resonance after some time. In theory, all
trajectories evading the resonance could lead to the present sys-
tem. In practice, that is not possible, because the longer the sys-
tem stays in resonance, the higher the final inclinations become
(Fig. 6), and they cannot be conciliated with the presently ob-
served values (Table 1). Moreover, Ćuk et al. (2020) have shown
that as long as Ariel and Umbriel stay in resonance, the inclina-
tions of the three other large satellites of Uranus also grow, in
particular that of Miranda. After only 10 Myr in resonance, is it
impossible to explain the observed values since tides are unable
to efficiently damp the inclinations (Eq. (81)). Therefore, in our
analysis, we split the capture events into those that stay in res-
onance for more than 10 Myr and those that are able to evade
it before that time. In Table 2, the relative number of escapes
is dubbed as Pe (escape probability) and the relative number of
long-term entrapments is referred to as Pc (capture for more than
10 Myr probability).

In most sets of the simulations shown in Table 2, all three
scenarios described above (capture, escape, and skip) are simul-
taneously present. To better illustrate the different possibilities,
in Fig. 8, we show one example of each case, corresponding to
set #17 (with an initial I1 = 0.05◦ and I2 = 0.15◦).

In Fig. 8a, the system is permanently captured in resonance.
Prior to the resonance encounter, the semi-major axes ratio fol-
lows the asymptotic evolution predicted by Eq. (73). When the
system comes across the resonance (at t ≈ 11 Myr), the semi-
major axes ratio becomes constant (since n1/n2 ≈ 5/3), devi-
ating considerably from the asymptotic line. Indeed, looking at
Fig. 4, when capture occurs, instead of following the black curve,
the system follows the dashed line, corresponding to the nominal
resonance (Eq. (77)). Shortly after being captured, the system en-
ters into the chaotic region. The inclinations of both satellites are
excited and grow steadily on average, in particular that of Ariel,
which oscillates between the two resonant branches (green lines
in Fig. 1). For a time t ≈ 40 Myr, the system finds a way into the
libration region and becomes quasi-periodic, as in the example
shown in Fig. 7a.

In Fig. 8b, the system is temporarily captured in resonance
for less than 10 Myr. As in the previous example, the semi-major
axes ratio initially follows the asymptotic evolution predicted by
Eq. (73), but it switches to a constant ratio as soon as capture in
resonance occurs (at t ≈ 11 Myr). As before, during the resonant
entrapment, the system enters into the chaotic region and the in-
clinations of both satellites start to grow. However, for a time
around t ≈ 18 Myr (that is, just 7 Myr after being captured), the
system finds a way outside the chaotic region that breaks the res-
onant locking and returns into the circulation region around the
equilibrium point at zero (blue line in Fig. 1). From that point on,
the semi-major axes ratio again follows the asymptotic evolution
predicted by Eq. (73), though restarting with a slightly higher
ratio, and the inclinations of both satellites stabilise around a
given constant mean value. The final inclination of Ariel is al-
ways higher than its initial value because of the forcing during
the resonant phase. The final inclination of Umbriel is less im-
pacted by this mechanism and it does not have a systematic trend
because it oscillates around the initial value with a large ampli-
tude during the resonance crossing.

Finally, in Fig. 8c, the system shortly skips the resonance. As
usual, the semi-major axes ratio initially follows the asymptotic
evolution predicted by Eq. (73), and it undergoes some perturba-
tions during the resonance crossing. However, it quickly returns
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Fig. 7. Two examples of tidal evolution of the system as a function of δ for initial inclinations I1 = I2 = 0.1◦. The results of the numerical
simulation (in black) are superimposed in the equilibria map (Fig. 1). We show the evolution for the resonant angle ϕ1 (top) and ϕ2 (bottom).

to the asymptotic evolution, though restarting with a slightly
lower ratio. In this case, there is almost no chaotic evolution
for the inclinations because, just after crossing the separatrix,
the system directly goes into the circulation region around the
equilibrium point at zero (blue line in Fig. 1). The inclination
of Ariel initially briefly grows since, owing to the topology of
the 5/3 MMR (Fig. 2), it is not possible to reach the inner cir-
culation region without moving around the resonant equilibrium
for a short time (less than 1 Myr). Since in the example #17 the
initial inclination of Ariel is indeed relatively small, for a short
moment the inclination of Ariel follows the resonant branch and
has to increase (green line in Fig. 1). Nevertheless, as soon as the
equilibrium point at zero becomes stable, the system moves back
into the circulation region and the inclination of Ariel drops. In
the example shown in Fig. 8c, the inclination of Ariel decreases
to a mean value smaller than the initial one, but actually in other
examples it can be anything between zero and the maximum pre-
viously attained. The brief resonant excitation only involves the
angle ϕ1, and so it does not impact the inclination of Umbriel
much. Its amplitude grows due to the mutual interactions with
Ariel, but the mean value remains constant. However, as the res-
onance is skipped, the mean value of Umbriel inclination sud-
denly drops to a lower level. This reduction is always observed
because the inner circulation region is confined within a region
of low inclination for Umbriel, in particular for δ values very
close to zero (Fig. 2c).

Fig. 8c also provides an example of a simulation where the
system crosses the 5/3 MMR and subsequently evolves into
the presently observed configuration (orange dots, taken from
Table 1). Not all simulations #17 that skip the resonance end
in the present system, though a significant number is consistent
with it. On the other hand, some simulations starting with differ-
ent initial conditions (Table 2) can also evolve into the present
state. Therefore, only a more refined analysis of the final distri-
bution of the inclinations of both Ariel and Umbriel can provide

more insight into the occurrence likelihood of the currently ob-
served system.

4.3.2. Statistics

For the set of simulations #1 − #8 (Table 2), that is to say those
with initial I2 ≤ 0.05◦, the system is captured in resonance nearly
in 100% of the cases. For the initial inclination of Umbriel, these
results are thus in agreement with the predictions of the simpli-
fied model presented in Sect. 3.4. Since capture in the 5/3 MMR
is not observed today, we can immediately exclude this range of
initial conditions. We hence conclude that, regardless of the ini-
tial inclination of Ariel, the system requires some moderate ini-
tial inclination for Umbriel (I2 & 0.1◦) to evolve into the present
state.

The resonance crossing is a stochastic process and therefore
the same initial inclinations with a slightly different initial res-
onant angle may end up in a completely different final state. In
all of the other sets of simulations that we performed (#9− #25),
the system can either remain captured for a long time, escape
the resonance in less than 10 Myr, or simply skip it. In gen-
eral, as we increase the initial inclinations of both satellites, the
probability of capture in resonance decreases, in conformity with
the analysis from Sect. 3.4. Interestingly, the number of trajecto-
ries temporarily captured for less than 10 Myr does not change
much with the initial conditions, they occur around 20% − 25%
of the time. This suggests that the chaotic diffusion, which char-
acterises this transient regime, is not very sensitive to the initial
inclinations. Finally, as a result of the previous two outcomes, as
we increase the initial inclinations of both satellites, the number
of simulations that simply skip the resonance also increases.

For those systems that skip or escape the 5/3 MMR, one can
ask if the final inclinations are in agreement with the present
observations. However, there is not an easy answer because of
the chaotic diffusion. Indeed, the final inclinations of Ariel and
Umbriel never end exactly with the same values, but they rather
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Table 2. Initial conditions and summary of the numerical simulations’s results of the 5/3 MMR crossing.

# I1 (◦) I2 (◦) Pc(%) Pe(%) Ps(%) 〈I1〉 (◦) ∆I1 (◦) 〈I2〉 (◦) ∆I2 (◦)
1 0.001 0.001 100.0 − −

2 0.05 0.001 100.0 − −

3 0.10 0.001 99.2 0.8 −

4 0.15 0.001 100.0 − −

5 0.20 0.001 100.0 − −

6 0.001 0.05 100.0 − −

7 0.05 0.05 100.0 − −

8 0.10 0.05 97.3 2.5 0.2
9 0.15 0.05 82.4 10.5 7.1 0.149 0.062 0.056 0.023

10 0.20 0.05 80.9 9.3 9.8 0.187 0.054 0.047 0.019
11 0.001 0.10 90.1 9.2 0.7 0.170 0.041 0.047 0.016
12 0.05 0.10 83.1 13.6 3.3 0.167 0.050 0.041 0.022
13 0.10 0.10 50.6 28.5 20.9 0.145 0.059 0.049 0.020
14 0.15 0.10 38.8 19.2 42.0 0.119 0.068 0.068 0.020
15 0.20 0.10 36.2 15.8 48.0 0.141 0.066 0.081 0.023
16 0.001 0.15 39.6 26.5 33.9 0.112 0.068 0.083 0.019
17 0.05 0.15 38.6 25.8 35.6 0.114 0.069 0.095 0.024
18 0.10 0.15 35.1 25.1 39.8 0.088 0.081 0.109 0.017
19 0.15 0.15 31.0 23.2 45.8 0.099 0.082 0.127 0.023
20 0.20 0.15 30.0 15.9 54.1 0.104 0.085 0.136 0.021
21 0.001 0.20 32.7 26.2 41.1 0.107 0.073 0.144 0.018
22 0.05 0.20 31.9 28.6 39.5 0.116 0.070 0.152 0.018
23 0.10 0.20 30.1 23.9 46.0 0.109 0.072 0.162 0.015
24 0.15 0.20 27.1 22.1 50.8 0.117 0.075 0.173 0.013
25 0.20 0.20 27.0 15.2 57.8 0.119 0.076 0.182 0.014

Ik is the initial inclination of each satellite; Pc is the number of simulations trapped in resonance more than 10 Myr; Pe is the number
of simulations that were captured in resonance, but escaped in less than 10 Myr; Ps is the number of simulations that skipped the
resonance; and 〈Ik〉 and ∆Ik are the mean and the standard deviation, respectively, of a Rice distribution adjusted to the final results.

follow some kind of statistical distribution. Considering only the
trajectories that quickly evade or skip the resonance (Pe and Ps),
we can build a histogram to better understand how they are dis-
tributed for each set of simulations #9−#25 (i.e. we only consider
simulations with less than 95% of capture probability).

In Fig. 9, we show three examples of histograms for the sets
#9 (I1 = 0.15◦, I2 = 0.05◦), #17 (I1 = 0.05◦, I2 = 0.15◦), and
#19 (I1 = 0.15◦, I2 = 0.15◦). The final inclinations of Ariel and
Umbriel are distributed in classes with a size of 0.015◦ and the
number of events in each class is normalised by the total num-
ber of trajectories that quickly evaded or skipped the resonance.
We observe that for Ariel, the final inclinations are more or less
evenly distributed between 0.01◦ and 0.25◦, while for Umbriel
the final inclinations closely pile up around some mean value.

To better analyse the results in a systematic way, and since
Ik ∝ |yk | (Eq. (33)), we fitted a Rice distribution to each data
set (Rice 1945), which describes the modulus of a random walk
variable in two dimensions. This function has the form

f (I) =
I

∆I2 B0

(
I 〈I〉
∆I2

)
exp

(
−

I2 + 〈I〉2

2∆I2

)
, (95)

where 〈I〉 is the mean inclination, ∆I is the standard deviation,
and B0(x) is the modified Bessel function, given by

B0 (x) =

∞∑
n=0

x2n

n!2 . (96)

In Fig. 9, for each histogram we also show the curve of the Rice
distribution corresponding to the best fit parameters 〈I〉 and ∆I.

We verified there is a reasonably good agreement between the
histogram and the derived distribution, in particular for the final
inclination of Umbriel. We hence adopted the best fit parameters
obtained in this way to characterise each data set.

The statistical results obtained are listed in Table2. From a
detailed analysis, for the trajectories that are not trapped in res-
onance, we observe the following: for Ariel, regardless of the its
initial inclination value, the final inclinations are always more
or less uniformly distributed2 in the interval I1 ∈ [0.01◦, 0.25◦];
and for Umbriel, the final inclinations are gathered around the
mean value with a standard deviation ∆I2 ≈ 0.02◦, and the mean
value for the final inclination of Umbriel increases with the ini-
tial inclinations of both satellites. A more subtle analysis addi-
tionally shows that the average final inclination of Umbriel is al-
ways lower than its initial value and it also depends on the initial
inclination of Ariel. It is approximately given by (see Fig. 10)

〈I2〉 − I2 ≈ −0.06◦ + 0.22 I1 , (97)

that is, to say the lower the initial inclination of Ariel is, the
larger the decrease observed in the initial inclination of Umbriel.

The present average inclinations of Ariel and Umbriel are
I1 ≈ 0.02◦ and I2 ≈ 0.08◦, respectively (Table 1). After crossing
the 5/3 MMR, the inclination of Ariel is always approximately
2 We note that by construction, the Rice distribution must be zero
when the inclination is zero and it has to peak around the mean value
(Eq. (95)). As the final inclinations of Ariel are more or less uniformly
distributed, a step function would provide a better adjustment. Never-
theless, we kept the Rice distribution for Ariel for simplicity since it is
able to correctly capture the mean value and the dispersion around it.
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Fig. 8. Three examples of a system crossing the 5/3 MMR with initial I1 = 0.05◦ and I2 = 0.15◦ (set #17 in Table 2). We show the ratio between the
semi-major axes (top), the inclination of Ariel (middle), and the inclination of Umbriel (bottom) as a function of time. Each column corresponds to
a different simulation. We show an example of a system that is permanently caught in resonance (a), one that is captured but evades the resonance
in less than 10 Myr (b), and another that skips the resonance without capture (c). The blue line gives the asymptotic evolution predicted by Eq. (73),
while the dashed line gives the position of the nominal resonance Eq. (77)). The orange dots mark the present mean inclinations (Table 1).

uniformly distributed and not very sensitive to the initial condi-
tions. The presently observed value is thus compatible with near
zero or moderate initial inclinations of both satellites (Ik < 0.2◦),
but no additional constraints can be derived. However, the final
inclination of Umbriel strongly depends on the initial inclination
of both satellites (Eq. (97)). We hence conclude that the best con-
figuration that reproduces the present data was obtained for ini-
tial I1 ≈ 0.20◦ and I2 ≈ 0.10◦ (#15, Table 2) or initial I1 . 0.05◦
and I2 ≈ 0.15◦ (#16 and #17, Table 2).

The satellites of Uranus were likely formed in a circumplan-
etary disk (eg. Pollack et al. 1991; Szulágyi et al. 2018; Ishizawa
et al. 2019; Inderbitzi et al. 2020), and so the initial inclinations
should have been extremely small. Therefore, initial inclinations
of 0.15◦ or higher are very difficult to explain. However, Um-
briel was most likely previously involved in a 3/1 MMR with
Miranda (Tittemore & Wisdom 1989, 1990), which can excite
the inclination of Umbriel to 0.15◦ prior to the encounter with
the 5/3 MMR. We hence conclude that the most likely scenario
for the initial inclinations of Ariel and Umbriel is I1 . 0.05◦ and
I2 ≈ 0.15◦ (#16 and #17, Table 2).

5. Conclusion

Ariel and Umbriel have almost certainly passed through the
5/3 MMR in the past owing to the tidal evolution of their or-
bits. However, the exact mechanism that allows the system to
evade capture in this resonance is a mystery. For coplanar orbits
(zero inclinations), the eccentricity of at least one satellite must

be close to 0.01 at the time, which is unlikely because tides are
expected to quickly damp the eccentricities to nearly zero (Titte-
more & Wisdom 1988). For non-coplanar orbits, the inclinations
appear to grow to high values, which is unlikely because tides
are very inefficient to damp the inclinations to the presently ob-
served near zero values (Ćuk et al. 2020).

To address this question, in this paper we revisited the
5/3 MMR crossing problem only focussing on the inclination.
We adopted a secular resonant two-satellite circular model with
low inclinations, using a Hamiltonian approach similar to Tit-
temore & Wisdom (1989) for the study of the 3/1 resonance
between Miranda and Umbriel. However, in our model we in-
cluded the spin evolution of Uranus, we used complex Carte-
sian coordinates, and we adopted the total angular momentum of
the system as a canonical variable, which is conserved and natu-
rally removes one degree of freedom from the problem. We thus
only needed to perform one average over a fast angle, instead of
the widely used average over two fast angles (eg. Tittemore &
Wisdom 1988, 1989; Michtchenko & Ferraz-Mello 2001; Alves
et al. 2016). We also implemented a Hamiltonian extension for
tides based on the constant time-lag model, which provides the
exact tidal evolution for all variables in the problem.

Our model is valid for any second order MMR, and thus
not restricted to the 5/3 MMR between Ariel and Umbriel. For
instance, it can be directly applied to the passage through the
3/1 MMR between Miranda and Umbriel. More generally, it can
also be used to study a large number of planetary systems near
second order resonances (in the circular approximation), such
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Fig. 9. Histograms for the final distribution of the inclinations of Ariel (top) and Umbriel (bottom) for different sets of initial conditions. We also
plotted the best fit Rice distribution (Eq. (95)) to each histogram (red curve) and the corresponding mean inclination, 〈I〉, and standard deviation,
∆I. We used the sets #9 (left), #17 (centre), and #19 (right) from Table 2.

−0.07

−0.06

−0.05

−0.04

−0.03

−0.02

−0.01

0.00 0.05 0.10 0.15 0.20

⟨I
2
⟩−

I 2
(◦
)

I1(
◦)

⟨I2⟩ − I2 = 0.221I1 − 0.062◦

Fig. 10. Variation in the average inclination of Umbriel after crossing
the 5/3 MMR as a function of the initial inclination of Ariel. The points
are taken from the simulations #11 to #25 in Table 2, and the line gives
the adjustment of a linear regression.

as the 3/1 MMR for HD 60532 (Laskar & Correia 2009), the
5/3 MMR for HD 33844 (Wittenmyer et al. 2016), the 7/5 MMR
for HD 41248 (Jenkins et al. 2013), or the 9/7 MMR for Kepler-
29 (Vissapragada et al. 2020).

Applying our model to Ariel and Umbriel, we have shown
that, prior to the 5/3 MMR encounter, the system is in circu-
lation around an equilibrium point at the origin of the coordi-
nates (y1 = 0, y2 = 0). As the system approaches the reso-
nance, this equilibrium becomes unstable, while two other sta-
ble symmetrical equilibria appear, corresponding to libration in
resonance. Shortly after, the equilibrium at zero becomes stable
again, corresponding to a new circulation region (see Fig. 2).
For initial very low inclination values (low energy), the system
is thus forced to follow one of the resonant equilibria (capture).

However, for moderate inclinations (higher energy), the system
may encounter the resonance when all the stable equilibrium
possibilities are already available and directly go to the circula-
tion region (skip). Alternatively, the system enters into a chaotic
regime and can subsequently evade into the circulation (escape)
or the libration regions (capture). The chaotic nature of the sys-
tem as a function of the energy is clearly portrayed in a sequence
of Poincaré surface sections obtained with the modified Hénon
method (Fig. 3).

The crossing of the 5/3 MMR is a stochastic process, and so
we performed a large number of numerical simulations covering
many different combinations for the initial inclinations of Ariel
and Umbriel. The results show that the initial inclination of Um-
briel must have been higher than about 0.1◦ to avoid a permanent
capture. Moreover, in order to conciliate the output of the simu-
lations with the presently observed system (Table 1), we find that
the optimal inclinations for the satellites prior to the resonance
encounter are I1 . 0.05◦ for Ariel and I2 ≈ 0.15◦ for Umbriel. In
this configuration, about 60% of the simulations avoid capture in
resonance and the final inclination distribution of Umbriel clus-
ters around the present mean value of 0.08◦. The final inclina-
tion distribution of Ariel spreads between 0.01◦ and 0.25◦ with a
nearly equal probability, which includes the present mean value
of 0.02◦. The inclination damping timescales of ∼ 180 Gyr for
Ariel and ∼ 1500 Gyr for Umbriel additionally suggest that the
inclination values obtained just after crossing the resonance have
nearly remained unchanged up to the present.

The satellites of Uranus were presumably formed in a cir-
cumplanetary disk, and so the primordial eccentricities and incli-
nations should have been extremely small. Before the encounter
with the 5/3 MMR, the Uranian satellites may have crossed other
MMRs (eg. Peale 1988; Ćuk et al. 2020). In general, these res-
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onances excite the eccentricities and the inclinations of the bod-
ies involved in the commensurability. Tides are very efficient at
damping the eccentricities, but not the inclinations. Therefore,
while the remnant eccentricities are quickly eroded, the incli-
nations are fossilised until the next resonant encounter. For in-
stance, the present high inclination of Miranda (∼ 4.3◦) is usu-
ally explained after a passage through the 3/1 MMR between
Miranda and Umbriel that occurred several billion years ago.
Interestingly, this resonance also involves Umbriel, whose in-
clination can therefore also be excited, though to a much lower
value than that of Miranda (Tittemore & Wisdom 1989, 1990).
As a consequence, prior to the encounter with the 5/3 MMR, it
is reasonable to assume a near zero inclination for Ariel and an
inclination around 0.15◦ for Umbriel.

The results obtained in this paper are very compelling, but
they need to be taken with caution because our model is lim-
ited to circular orbits and two satellites. In a non-circular model,
the eccentricity terms introduce other resonant angles that pro-
vide additional libration and chaotic regions to the problem (Tit-
temore & Wisdom 1988). Indeed, for the 3/1 MMR between
Miranda and Umbriel, it was shown that the coupling between
the eccentricity and inclination resonances may cause significant
variations in the eccentricity evolution of Miranda (Tittemore &
Wisdom 1990). Moreover, the presence of the remaining three
large satellites or Uranus can also introduce three-body reso-
nances that may further excite the eccentricities and the incli-
nations (Ćuk et al. 2020). Therefore, in order to fully understand
how exactly the system evaded the 5/3 MMR between Ariel and
Umbriel and subsequently settled into the present state, future
work should take into account the effect of the eccentricities and
from all five major satellites in the Uranian system.
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Appendix A: Conservative Hamiltonian coefficients
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where α0 ≈ 0.7114 corresponds to α = a1/a2 at the nominal
resonance (Eq. (77)).
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ABSTRACT

In the context of a recently proposed contact-binary model of the Kreutz system, all its members are
products of the process of cascading fragmentation of the two lobes of the parent, Aristotle’s comet
of 372 BC. This process presumably began with the lobes’ separation from each other near aphelion.
However, not every object in a Kreutz-like orbit is a Kreutz sungrazer. Any surviving sungrazer that
had split off from the progenitor before the lobes separated, as well as its surviving fragments born in
any subsequent tidal or nontidal event, are by definition not members of the Kreutz system. Yet, as
parts of the same progenitor, they belong—as do all Kreutz sungrazers— to a broader assemblage of
related objects, which I refer to as a super-Kreutz system. After estimating the ratio of the number of
super-Kreutz members to nonmembers among potential historical sungrazers , I generate representative
extended pedigree charts for both the Kreutz system and super-Kreutz system. While the fragmenta-
tion paths and relationships among the individual sungrazers or potential sungrazers in the two charts
are (with at most a few exceptions) arbitrary, the purpose of the exercise is to suggest that the Kreutz
system proper could in effect represent an ultimate deagglomeration stage of the super-Kreutz system.
Subject headings: individual comets: members and potential members of Kreutz and super-Kreutz

sungrazer systems; methods: data analysis

1. INTRODUCTION

I recently introduced a new, contact-binary model for
the Kreutz system of sungrazing comets (Sekanina 2021,
hereafter referred to as Paper 1; Sekanina 2022a, referred
to as Paper 2). The model incorporated novel features
described in greater detail in separate papers (Sekanina
2022b = Paper 3; Sekanina & Kracht 2022 = Paper 4)
and its feasibility was demonstrated by computer simu-
lating the orbital motions of the progenitor’s major frag-
ments (Paper 4). Likewise addressed were the age of the
Kreutz system, the populations of sungrazers that made
it up, effects of cascading fragmentation, and properties
of the major, naked-eye members on the one hand and
the dwarf members on the other hand (Papers 1–4 and
Sekanina 2022c = Paper 5).
By its very nature the model implies that fragmentation

proceeds along the entire orbit about the Sun. Depend-
ing on the location, the fragmentation is triggered either
tidally (near perihelion), in which case the primarily per-
turbed element is the orbital period; or nontidally (far
from the Sun), when greatly perturbed are the perihe-
lion distance and the angular elements. As a result, the
distribution of Kreutz sungrazers along the orbit is the
product of a mix of stochastic and pseudo-periodic pro-
cesses. The fragments pass through perihelion in princi-
ple randomly, except that sometimes they do so in clus-
ters, which could be separated from one another quasi-
uniformly.
Because of the cascading nature of fragmentation, the

early number of fragments increases — and their dimen-
sions decrease — exponentially with time. Granted that
the progenitor — presumed in the contact-binary model
to be Aristotle’s comet of 372 BC — was of enormous di-
mensions, perhaps 100 km or more in diameter, its many
fragments are still of impressive sizes, displaying brilliant

Electronic address: ZdenSek@gmail.com.

tails near perihelion. Yet, because of the extremely hos-
tile environment near the Sun, the lifetime of sungrazers
is believed to be rather short.
The model’s fundamental trait is the initial fragmenta-

tion event — a low-velocity separation of the progenitor’s
two lobes from one another — taking place near aphelion
around 5 BC. Without this episode I find it impossible to
understand the major orbital gap — in the longitude of
the ascending node, other angular elements, and perihe-
lion distance — between the largest presumed surviving
fragments of the two lobes, the Great March Comet of
1843 (C/1843 D1) and the Great September Comet of
1882 (C/1882 R1), respectively.
It may appear implausible to the reader that the first

fragmentation event occurred at aphelion, when the pro-
genitor was subjected to powerful disruptive forces at
perihelion. One has to keep in mind that the episode was,
by definition, the first only in the history of the Kreutz
system. Aristotle’s comet had surely fragmented numer-
ous times, especially in close proximity of perihelion, long
before the bond between the two lobes of the contact bi-
nary failed. Only one of the many products of this early
fragmentation would eventually give birth to the Kreutz
system. All others could never have become its mem-
bers. Yet, given their common ancestor, the members
and nonmembers of the Kreutz system proper alike do
make up a greater family of closely related objects that
I refer to below as a super-Kreutz system.
To document the existence of this broader assemblage

of sungrazers, I compare a model-based, representative
extended pedigree chart of the super-Kreutz system with
that of the Kreutz system proper, subject to limited
constraints provided by the definite Kreutz comets and
their fragmentation features, potential historical sun-
grazers, and other evidence noted in the following.

http://arxiv.org/abs/2305.08792v1
mailto:ZdenSek@gmail.com.
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2. KREUTZ SYSTEM AND CONSTRAINTS
ON ITS PEDIGREE CHART

Next to Aristotle’s comet as progenitor, the contact-
binary model recognizes the daylight comets of AD 363,
noted by Ammianus Marcellinus in his Res Gestae (Rolfe
1940), as the second-generation objects (i.e., the first-
generation fragments) of the Kreutz system. Other sun-
grazers in progenitor-like orbits and at perihelion in the
centuries before or after AD 363 could be members of the
super-Kreutz system but not the Kreutz system.
The Kreutz objects of the third generation can at best

be recognized with a limited degree of confidence in the
cases in which the orbital periods of the respective ob-
jects of the fourth generation have been determined fairly
accurately, a condition satisfied nowadays by five Kreutz
sungrazers only. Next to the Great March Comet of 1843
and the Great September Comet of 1882, they are Ikeya-
Seki (designated as C/1965 S1), Pereyra (C/1963 R1),
and Lovejoy (C/2011 W3).
Major new information on the third-generation objects

of the Kreutz system was offered in Papers 2 and 4. It
was concluded in Paper 4 that X/1106 C1, the widely-
observed probable sungrazer, could not be the parent to
comet Ikeya-Seki, contrary to what has often been pre-
sented in the literature. Linkage of the motion of the
single nucleus of Ikeya-Seki before perihelion with the
motion of the principal fragment A over different peri-
ods of time after perihelion suggests that previously the
comet was at perihelion around AD 1140, with an un-
certainty of a few years. An apparent, formerly unrec-
ognized sungrazer first observed in early September 1138
(Ho 1962), having passed perihelion around August 1,
appears to be the only plausible candidate. Given that
C/1882 R1 and C/1965 S1 had been one comet up to the
12th century perihelion (Marsden 1967), the above result
is in remarkable agreement with Marsden’s back integra-
tion of the motion of the principal fragment B [No. 2 in
Kreutz’s (1891) notation] of C/1882 R1, for which he
derived a perihelion time in April 1138!
In contrast, strong evidence suggests that X/1106 C1 is

the parent to the sungrazer C/1843 D1 and Population I
associated with it. Indeed, the four generations of sun-
grazers in 372 BC, AD 363, 1106, and 1843 make up an
almost perfect progression, implying a near-constant pe-
riod of 738 yr, compatible with the observations of the
Great March Comet of 1843 (Sekanina & Chodas 2008).
Another candidate for a third-generation Kreutz mem-

ber presented in Papers 2 and 4 was the Chinese-Korean
comet first seen in September 1041 (Hasegawa & Nakano
2001; England 2002), the proposed parent to Pereyra; it
passed perihelion in early August according to Hasegawa
& Nakano.
To pinpoint a parent to the sungrazer Lovejoy is more

difficult. The comet’s orbit determination by Sekanina &
Chodas (2012) showed that a near-perihelion osculating
value of the orbital period was 698 yr, equivalent to a
barycentric orbital period of 683 yr, with an uncertainty
of ±2 yr. The previous perihelion would have occurred
in AD 1329, when no comet, least of all a sungrazer, was
under observation (Ho 1962; Hasegawa 1980).
The complication with the orbital period of Lovejoy

was the disintegration of the nucleus approximately 40 hr
after perihelion (Sekanina & Chodas 2012). From that
time on, the sunward tip of Lovejoy’s headless conden-

sation was made up of the largest dust particles that
survived intact. Subjected to solar radiation pressure,
the headless comet began to move in a gravity field that
was slightly weaker than before the nucleus demise. The
antisolar radial shift was taken into account in the orbit
determination and the (essentially constant) normalized
magnitude of the effect of solar radiation pressure was
derived to equal βtip = 0.00191± 0.00042 the solar grav-
itational acceleration.
One could argue that solar radiation pressure triggers

a perturbation of the radial component of the comet’s
orbital acceleration, whose magnitude at 1 AU from the
Sun is Γ and whose integrated effect on the orbital period
P between times t0 and t is ∆Prp, for which perturbation
theory gives

∆Prp

P
=

3e
√
p

k(1−e2)
Γ

∫ t

t0

g(r) sinu dt, (1)

where k is the Gaussian gravitational constant (in units
of AU

3
2 day−1), e is the orbit eccentricity, p = q(1+e),

q is the perihelion distance (in AU), g(r) is the pertur-
bation’s dimensionless law of variation with heliocentric
distance r = r(t) (in AU) subject to a condition g(1) = 1,
u is a true anomaly at time t expressed in days. Since the
solar gravitational acceleration equals 0.593 cm s−2 at
1 AU from the Sun, the solar radiation pressure acceler-
ation Γ = 2.96×10−4βtip AU day−2 and g(r) = (r⊕/r)

2,
where r⊕ = 1 AU. From Kepler’s second law I substitute
in Equation (1) dt = (r2/k

√
p) du, take a true anomaly at

the time of disintegration, ud, to match the lower limit,
t0, and a true anomaly at aphelion, u = π, to match the
upper limit, t, so that with ∆Prp and P in years,

∆Prp=8.88×10−4βtip P
e

1−e2

(r⊕
k

)2

(1+cosud)

≃ 1.74×10−5βtip
P

5
3

k2rd
, (2)

where I introduce a heliocentric distance, rd, at the time
of disintegration by approximating 1+cosud = p/rd in
the second line. I also use the equality of p/(1−e2) = P

2
3 ,

approximate e = 1 in the numerator, and leave out r⊕,
which equals unity.
Inserting for comet Lovejoy P =683 yr, rd=0.144 AU,

and the above value of βtip, I get

∆Prp = 41± 9 yr, (3)

which implies that comet Lovejoy’s barycentric orbital
period, corrected for the effect of solar radiation pressure
on the disintegrated comet’s headless condensation, was
683−41 = 642± 9 yr and the time of the previous per-
ihelion passage was AD 2011−642 = AD 1369 with the
same uncertainty. England (2002) lists a possible Kreutz
sungrazer seen in Korea and Japan in the western skies
in early March 1368, Lovejoy’s potential parent.
An overwhelming majority of historical Kreutz sun-

grazers move in orbits that are unknown, their sungraz-
ing nature is merely suspected, and the populations they
belong to are indeterminate. Only for a few of them did
past investigations show preference for Population I or II.
It is obvious that preference for Population I over II also
suggests preference for Population Pe or Pre-I over II,
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because one cannot distinguish between Populations I,
Pe, or Pre-I among these comets. Similarly, preference
for Population II over I may actually imply a sungrazer
of Population IIa, etc.
In any case, the fundamental and practically the only

parametric constraint on the potential historical Kreutz
sungrazers is time — meaning their (approximate) peri-
helion time — as they become prominent, naked-eye ob-
jects in the course of days or weeks after perihelion. The
distribution of perihelion times of a generation of frag-
ments is determined not only by their orbital periods but
also by the relations among the past perihelion times and
orbital periods of their parent sungrazers. A representa-
tive pedigree chart of the Kreutz system is assembled by
consecutive generations of fragments, whose birth dates
are essentially given by their parents’ perihelion times.
Indeed, as nontidal fragmentation is known to have a mi-
nor effect on the orbital period, the temporal dimension
of the pedigree chart is determined nearly exclusively by
tidally-driven fragmentation events.
Tidal disruption of a sungrazer was addressed in Pa-

pers 2 and 4 in the case when its two fragments, A and
B, acquire no differential momenta, ending up in orbits
of different periods, PA and PB, only because of a slight
shift in the radial distance, ∆U(rfrg), between their cen-
ters of mass after separation,

PB = PA

[

1− 2∆U(rfrg)

r2frg
P

2
3

A

]

−
3
2

, (4)

where rfrg is the heliocentric distance at fragmentation.
In this equation both ∆U and rfrg are in AU, while PA

and PB are in years. The difference ∆Pfrg = PB−PA is
approximated by

∆Pfrg =
3

r2frg
P

5
3

A ∆U(rfrg). (5)

Investigations of Roche’s limit (e.g., Aggarwal & Ober-
beck 1974) suggest that a body of tensile strength T and
diameter D begins to fragment tidally at a distance, rfrg,
from the Sun, at which

D = a0
√
T r

3
2

frg (6)

or

D =
a
√
T r

3
2

frg
√

1−br3frg

≃ a
√
Tr

3
2

frg

(

1+ 1
2br

3
frg

)

, (7)

a0, a, and b are constants. Next, ∆U(rfrg) ∼ D ∼ rzfrg,
where z ≥ 3

2 . From Equation (5) I get for a given PA

∆Pfrg ∼ ∆U(rfrg)

r2frg
∼ r−y

frg , (8)

where y = 2−z ≤ 1
2 or near zero. The implication is that

∆Pfrg is at worst only weakly dependent on the heliocen-
tric distance at fragmentation.
This conclusion might explain the tendency to a pecu-

liarly regular interval near 100 yr, with which orbital pe-
riods of neighboring fragments of a tidally-disrupted sun-
grazer appear to differ. The effect is perceived among the
four nuclear fragments of the Great September Comet

of 1882, whose osculating orbital periods equaled, re-
spectively, 671.3± 4.4 yr, 771.8± 1.9 yr, 875.0± 3.0 yr,
and 955.2± 6.0 yr (Kreutz 1891), thus implying ∆Pfrg of
100.5± 4.8 yr, 103.2± 3.6 yr, and 80.2± 6.7 yr, respec-
tively. In the pedigree chart the increments in the orbital
period are to be reckoned from the parent object, ∆Pp→f .
As the period of the presplit comet was Ppar = 744.1 yr,
the values of ∆Pp→f were −72.8 yr for the first fragment,
+27.7 yr for the second fragment, +130.9 yr for the third
fragment, and +211.1 yr for the last fragment.
Another data point of this kind has been provided by

the pair of the 1882 comet and Ikeya-Seki as fragments
of their common parent (Marsden 1967), which implies
∆Pfrg = 83.1 yr. The resulting average ∆Pfrg of ∼92 yr,
when inserted with the relevant values of Ppar ≃ 770 yr
and rfrg ≃ 0.0078 AU into Equation (5), gives an average
radial center-of-mass shift of ∆U ≃ 4.3 km.
The objective of this discussion has been to call atten-

tion to possible constraints that should be exploited in
the process of setting up the pedigree charts. Application
of these constraints is worked out in Section 4.

3. CUMULATIVE TEMPORAL DISTRIBUTION OF THE
KREUTZ/SUPER-KREUTZ SYSTEM

Before assembling examples of a pedigree chart, I main-
tain that its presentation is aided by information on the
cumulative temporal distributions of potential historical
Kreutz/super-Kreutz sungrazers and historical comets in
general.
In the following I use Hasegawa’s (1980) catalogue of

more than 1000 ancient and naked-eye comets to plot
their cumulative distribution (up to AD 1702), while for
the historical Kreutz/super-Kreutz sungrazers I employ
two independent datasets: a list of early potential sun-
grazing comets by England (2002), which contains 62 en-
tries; and, separately, a more restricted group of 24 pos-
sible sungrazers, for which Hasegawa & Nakano (2001)
estimated the perihelion dates.
The three distributions of the historical comets are

plotted in Figure 1. Even though the Hasegawa-Nakano
collection is too small for statistical purposes, it does
support the more extensive set by England in showing
discrete points of sudden steep increase, referred to below
as the “bumps.” The presence of these features, marked
by the stars in Figure 1, discriminates the distribution
curve for the Kreutz/super-Kreutz sungrazers from that
for all comets, as no prominent bumps are apparent on
the latter curve.
From what was stated in Paper 1, the bumps are un-

doubtedly signatures of fragmentation events at heliocen-
tric distances larger than, say, 5–10 AU along the outgo-
ing leg of the orbit. Their sequence on the distribution
curve does not appear entirely random: of the six inter-
vals the bumps make up, the lengths of four are between
310 yr and 334 yr, or about four orbital-period differences
∆Pfrg discussed in Section 2. The remaining two bump
intervals equal, respectively, 126 yr and 95 yr, the latter
being remarkably close to an average value of ∆Pfrg.
The other major distribution signature is the general

trend of the curves, apparent from Figure 1: disregard-
ing the bumps, the basic linearity of the Kreutz/super-
Kreutz curve, confirmed by a 60 percent error of the co-
efficient of the tested quadratic term, contrasts with the
clearly perceived gradually increasing steepness of the
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Figure 1. Cumulative temporal distributions of historical comets
from Hasegawa’s (1980) catalogue (dots) and potential histori-
cal members of the Kreutz/super-Kreutz system from England’s
(2002) list (solid circles) and Hasegawa & Nakano’s (2001) list (cir-
cled dots). Note that the scales for the sungrazers and the comets
in general differ by a factor of 10. The stars with the vertical and
horizontal dashes mark the times of steep increase (bumps) on the
England distribution curve.

curve of comets from the Hasegawa catalogue. Start-
ing with the fifth entry of the England (2002) dataset,
the cumulative number, NK, of the potential historical
Kreutz/super-Kreutz sungrazers is, as a function of time,
t, approximated by a least-squares fit as follows:

NK(t)=−1.04 + 3.763 t, (9)
±0.69 ±0.067

where t is expressed in centuries (e.g., AD 252 is given
as t = 2.52). This equation can be rewritten as

NK(t) = 3.763 (t− 0.276), (10)

which indicates that the date when NK = 0, or the zero
date of this cumulative distribution, equaled tK = 0.276,
that is, August of AD 27.

In order to meaningfully compare the Kreutz/super-
Kreutz cumulative distribution with the cumulative dis-
tribution of all historical comets, the serial numbers of
the latter, N , ought to be modified, because Hasegawa’s
catalogue lists 135 comets at t < 0. When appropriately
truncated, the cumulative distribution can be approxi-
mated by the following cubic least-squares fit:

N (t)=−13.2 + 40.03 t− 0.49 t2 + 0.0757 t3. (11)
±1.9 ±0.91 ±0.12 ±0.0048

The solution shows that N = 0 at t = t∗0 = 0.331, that is
the zero date took place in February of AD 33, only 5.5 yr
after the zero date of the adopted cumulative distribution
of the potential historic sungrazers.
I next proceed to rewrite Equation (11) in order that its

form should emulate an expanded version of expression
(10), in particular,

N (t) = α(t−t0)
[

1 + β(t−t0) + γ(t−t0)
2
]

. (12)

The condition is that t0 = tK, while α, β, and γ are con-
stants that can be expressed via the coefficients in Equa-
tion (11), derived from the following considerations.
If a function y(x) is given by a cubic polynomial, for

y = 0 one deals with a cubic equation of the type

a0 + a1(x−x0) + a2(x−x0)
2 + a3(x−x0)

3 = 0, (13)

where x is the variable, x0 a constant, and ak’s the coef-
ficients. When x0 = 0, a cubic equation becomes

b0 + b1x+ b2x
2 + b3x

3 = 0, (14)

where bk’s are other coefficients. Should the cubic equa-
tions (13) and (14) be identical, the coefficients bk’s are
related to ak’s by

b0 = a0 − a1x0 + a2x
2
0 − a3x

3
0,

b1 = a1 − 2a2x0 + 3a3x
2
0,

b2 = a2 − 3a3x0,
b3 = a3. (15)

Conversely, from Equations (15) the coefficients ak’s are
equal in terms of bk’s,

a0 = b0 + b1x0 + b2x
2
0 + b3x

3
0,

a1 = b1 + 2b2x0 + 3b3x
2
0,

a2 = b2 + 3b3x0,
a3 = b3. (16)

It is apparent that to get the parameters α, β, and γ
in Equation (12) from the coefficients in Equation (11) is
equivalent to getting ak’s in (13) from bk’s in (14) via the
transformation equations in (16). Replacing N (t) with
N (t)+2.19, I find (12) in the form

N (t)=39.78(t−t0)
[

1−0.01074(t−t0)+0.00190(t−t0)
2
]

,
(17)

where, as stipulated, t0 = tK = 0.276.
With t = 17.02, Equations (10) and (17) give, respec-

tively, NK = 63 and N = 901 for the period of time
AD 27 through 1702, close to the expected totals. The ra-
tio ℜ of the number of potential historical Kreutz/super-
Kreutz sungrazers in England’s (2002) paper to the num-
ber of all historical comets in Hasegawa’s (1980) cata-
logue is thus 63/901, almost exactly 0.07. It is interesting
to compare this result with a similar fraction for recent
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definite Kreutz sungrazers, ℜ0, because an assumption
that ℜ and ℜ0 should remain essentially constant with
time offers an estimate for the ratio ℜ0/ℜ of definite
sungrazers to potential Kreutz/super-Kreutz sungrazers,
a number that must be smaller than unity.
I comment on two examined datasets. The first one, by

Bortle (1998), related to comets observed between 1800
and 2000, which at peak brightness were near apparent
visual magnitude 0 or brighter. Among 40 comets in this
category, Bortle had six Kreutz sungrazers, which im-
plied an unexpectedly high ratio of ℜ0 = 0.15. The result
reflected the fact that objectively there is a much higher
fraction of Kreutz sungrazers among comets brighter
than magnitude 0 than among all naked-eye comets mak-
ing up Hasegawa’s catalogue.
The other dataset, by Green (2020), listed comets be-

tween 1935 and 2020, which at peak brightness were of
apparent visual magnitude 3.9 or brighter. Among the
48 tabulated comets were three sungrazers (Ikeya-Seki
C/1965 S1, White-Ortiz-Bolelli C/1970 K1, and Lovejoy
C/2011 W3), giving ℜ0 = 0.064. However, since Pereyra
C/1963 R1 (with a peak magnitude of 2) was missed, it
was in fact ℜ0 = 0.085. When this dataset is truncated to
include only comets with apparent magnitude 0 at peak
brightness, two sungrazers remain among 13 comets, a
ratio ℜ0 of 0.15, in full agreement with Bortle’s value!
The point in which these two sets differ dramatically

from the sets of historical comets is the contribution from
southern-hemisphere observers, which was essentially ab-
sent before the 19th century. This point is important be-
cause most Kreutz sungrazers are observable only from
the southern hemisphere. As a result, the values derived
for ℜ0 of recent Kreutz sungrazers are much higher than
in historical times. The magnitude of this effect is very
hard to estimate. The problem is further aggravated by
a low number of Kreutz comets in the datasets.
In an effort to overcome, or at least mitigate, these

difficulties and augment the statistics as much as reason-
ably possible, I expand the time interval to 1800–2020,
by combining the time intervals from Green’s as well as
Bortle’s datasets. Of the nine naked-eye Kreutz sun-
grazers seen during the 220 years (including the Eclipse
comet X/1882 K1 in addition to the eight obvious ones),
I estimate that only four brilliant daylight and/or twi-
light objects — C/1843 D1, C/1882 R1, C/1965 S1, and
C/2011 W3 — could be discovered from either hemi-
sphere. Given the total number of comets in Hasegawa’s
catalogue between AD 27 and 1702, the equivalent num-
ber in 220 years would be 118, and therefore the ratio
ℜ0 = 4/118 ≃ 0.034. As ℜ = 0.07, the ratio ℜ0/ℜ ≃ 0.5:
every second object among England’s 62 potential Kreutz
sungrazers should actually be a member of the system. I
note that an error of ±1 sungrazer implies errors of +0.008

−0.009
in ℜ0 and +0.11

−0.13 in ℜ0/ℜ.
Interestingly, when the number of all comets prior to

1702, discovered from the northern hemisphere and cata-
logued by Hasegawa, is converted to Green’s (2020) inter-
val of 85 years, it implies a total number of 46 comets.
Green’s list contains 48 objects down to peak magni-
tude 3.9, discovered by observers in both hemispheres.
It therefore appears that Hasegawa’s catalogue may in-
clude comets with peak brightness as faint as apparent
magnitude ∼4.5, if the rate of arriving comets does not
vary significantly with time.

The cumulative distribution of comet discoveries based
on Hasegawa’s (1980) catalogue, leaves the issue of rate
variability open. In any case, the catalogue-based dis-
tribution, whose slope increases with time, contrasts in
Figure 1 with the linearity of the cumulative distribution
of the potential historical Kreutz/super-Kreutz sugrazers
in England’s (2002) study. I find it highly unlikely that
the progressively growing rate of discovery in Hasegawa’s
catalogue could be attributed to any effect other than
gradually improved records on comet discoveries in more
recent times and an obviously higher rate of record sur-
vival than that of older documents. The question is why
the distribution of the Kreutz/super-Kreutz sungrazers
varies with time linearly, failing to show a similar effect?
A rather bold hypothesis that I offer in this context

is based on the assumption that the intrinsic cumu-
lative distribution of potential historical Kreutz/super-
Kreutz sungrazers was in fact approximated by a simi-
lar cubic polynomial, but subsequently was gradually al-
tered by the process of fragmentation, especially in close
proximity of perihelion, resulting over many centuries in
the modified linear distribution, as determined from Fig-
ure 1. Fragmentation was surely augmenting the num-
ber of Kreutz/super-Kreutz sungrazers on the one hand
(such as in the cases of C/1882 R1 and C/1965 S1), but
simultaneously decreasing their average dimensions on
the other hand. The number of disintegrating objects
(such as C/1887 B1 or C/2011 W3) was thus increasing
with time, lowering the overall number of surviving sun-
grazers. Accordingly, measuring the modifications of the
distribution from a starting point at time t → tK, I stipu-
late that the intrinsic cumulative distribution of potential
historical Kreutz/super-Kreutz sungrazers in England’s
dataset be approximated by a cubic polynomial of type
(12), which is a hybrid of the expressions (10) and (17),

N int
K =3.763(t−tK)

[

1−0.01074(t−tK)+0.00190(t−tK)
2
]

.
(18)

The respective modified cumulative distribution, Nmod
K ,

is given by (10). The difference,

∆NK(t)=Nmod
K −N int

K

=0.0404 (t−tK)
2 [1− 0.177 (t−tK)] , (19)

describes the presumed effect of the fragmentation pro-
cess on the cumulative distribution of the Kreutz/super-
Kreutz system in England’s dataset. Since at AD 1702
(for t ≃ 17) Equation (19) shows that ∆NK ≃ −22, the
disintegration effect of the fragmentation process even-
tually did, after centuries, prevail and the number of sur-
viving sungrazers continued to drop with time. However,
∆NK > 0 until about AD 590, even though very slightly
(Figure 2). In this particular scenario, the initial ratio
ℜ = 0.095 and only about 36 percent of the suspected his-
torical Kreutz/super-Kreutz comets in England’s dataset
would actually be members of the system.

4. REPRESENTATIVE EXTENDED PEDIGREE CHART
FOR THE KREUTZ SYSTEM

Accepting that 50 percent, or possibly more, of poten-
tial historical Kreutz/super-Kreutz sungrazers are in fact
unlikely to be members of the system, I am now ready to
assemble a representative extended pedigree chart, first
for the Kreutz system proper.
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Figure 2. Hypothetical difference ∆NK(t) between the numbers
of surviving sizable sungrazers from AD 27 until AD 1702, if the
intrinsic cumulative distribution follows that of other historical
comets in Hasegawa’s (1980) catalogue and is modified by the pro-
cess of fragmentation in close proximity of perihelion to vary lin-
early with time. Starting with a set of 84 potential Kreutz/super-
Kreutz sungrazers between AD 27 and 1702 (intrinsic distribution),
the model predicts that 22 objects would disintegrate to leave a to-
tal of 62 surviving objects in England’s (2002) dataset.

I call the pedigree chart representative, because with
the exception of the several definite members I have no
means to make sure that any selected potential sungrazer
is the correct one — it only satisfies the stipulated condi-
tions. For several sungrazers, whose status is superior to
potential but inferior to definite — such as C/1668 E1,
C/1689 X1, C/1695 U1, X/1702 D1, X/1882 K1, and, of
course, X/1106 C1 and the Chinese comet of 1138 — the
population membership is believed to be known.
I call the pedigree chart extended , because it reaches

to the very origin of the Kreutz system, with a maxi-
mum possible number of potential historical Kreutz sun-
grazers that satisfy the stipulated conditions. These ob-
jects are taken primarily from the papers by Hasegawa
& Nakano (2001) and by England (2002), but also in-
cluded are “sun-comets” by Strom (2002) and additional
objects, such as the Eclipse Comet X/1882 K1 (Abney &
Schuster 1884; Marsden 1989). The last category is that
of “missed” sungrazers; they are used in the chart as nec-
essary to fill the gaps, but very sparingly.
The only constraints employed in assembling the pedi-

gree chart derive from the approximate conditions dis-
cussed in Section 2. First of all, limited evidence shows
a tendency for the orbital periods of major neigboring,
tidally-generated fragments of their common parent sun-
grazer to differ, very crudely, by ∆Pfrg ≃ 100 yr. Second,
judging from the near-perihelion fragmentation of the
Great September Comet of 1882, the range of the frag-
ments’ orbital periods, Pfrg, from Kreutz’s (1891) compu-
tations is equal to Ppar −∆Pfrg ≤ Pfrg ≤ Ppar + 2∆Pfrg.
Third, estimating that the surviving, massive sungrazers
(with a potential to break up into large enough fragments
at their next return to perihelion) have their orbital pe-
riods typically in a range 600 yr < Ppar < 800 yr, I find

for fragments’ orbital periods to be confined to an over-
all range ∼500 yr < Pfrg <∼1000 yr. And fourth, the fi-
nal constraint follows from an obvious condition that the
mass-weighted distribution of the orbital-period differ-
ences, ∆Pp→f , relative to the parent’s orbital period —
a function of the fragments’ center-of-mass distribution
— should be centered on zero and the most massive frag-
ments (such as X/1106 C1 among the third-generation
objects or C/1843 D1 among the fourth-generation ob-
jects) should have their values of ∆Pp→f close to zero.
From the above constraints on Ppar and Pfrg the overall
condition on ∆Pp→f becomes

−300 yr < ∆Pp→f < +400 yr. (20)

At rfrg = 0.0078 AU, this range of ∆Pp→f corresponds to
a range −14 km < ∆U < +19 km, or a total of 33 km, a
shift whose magnitude is well within a nucleus of 50 km
across. On the one hand, it should be recalled that this
number varies as r2frg; on the other hand, this momentum-
free effect on an orbital period is a theoretical construct
that is merely a convenient approximation to genuine
conditions in the course of a tidal-fragmentation event,
as in fact each fragment acquires a separation velocity,
however low it may be.
Except for the proper compartmentalization of the def-

inite members of the Kreutz system and the described
constraints, no other conditions are employed. The list of
all entries in the pedigree chart for the Kreutz system is
presented in Table 1 and the chart itself is in Table 2.
Both tables are organized by a generation rank, start-

ing with the progenitor of the contact-binary model —
Aristotle’s comet of 372 BC, which occupies the first row
of Table 1. Its successive columns then offer the year of
appearance; the designation (when available); the coun-
try or countries (or otherwise determined locations) from
which the object was observed; the object’s serial num-
bers in, respectively, Hasegawa’s (1980) and Ho’s (1962)
catalogues; England’s (2002) ranking; the date of the first
observation; the (often estimated) date of perihelion pas-
sage; and the comments.
In Table 2, the perihelion time of the progenitor, the

sole first-generation object, is the only entry in column 1.
The second-generation objects occupy columns 2–4: the
orbital period, P , equaling the difference between the
perihelion times of the objects of the second and first
generations (column 3 minus column 1), in column 2;
the perihelion time of each second-generation object in
column 3; and the letter designation of this object as a
fragment of the first-generation object, in column 4. The
third-generation objects occupy four columns, 5–8: the
orbital period, P , equaling the difference between the
perihelion times of the objects of the third and second
generations (column 7 minus column 3), in column 5; the
difference, ∆P (abbreviated from ∆Pp→f in Section 2),
between the orbital periods of the objects of the third
and second generations (column 5 minus column 2) in
column 6; the perihelion time of each third-generation
object in column 7; and the letter designation of this ob-
ject as a fragment of the second-generation object, in col-
umn 8. The fourth-generation objects also occupy four
columns, 9–12, which are equivalent to columns 5–8 for
the third-generation objects. The last column 13 offers
information on the structure of the Kreutz system.
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Table 1
List of Definite and Potential Members of the Kreutz System (Populations I–III) Included in Representative Extended Pedigree Chart

Year of Catalogue # Date of
Gener- comet’s Desig- Observing Rank- 1st obser- Date of
ation arrival nation site(s)a Hasegawa Ho ingb vation perihelion Comments

#1 −371.0 (372 BC) Gr 42 . . . 7 . . . . . . winter; Feb? Aristotle’s comet; progenitor
#2 363.9 . . . . . . . . . R . . . . . . . . . . . . . . late in year Multiple daylight comets near Sun
#3 852.2 . . . . . . . . . J,Ch 465 297 5 Mar 14 Mar 10 Tail about 50◦ long

943.8 . . . . . . . . . Ch,G 517 336 3 Nov 5 Oct 27 Tail 15◦ long to W
957.2 . . . . . . . . . J 523 . . . 4 Mar 6 . . . . . . Tail 15–30◦ long
961.2 . . . . . . . . . J 526 341 3 Mar 16 . . . . . . Tail present

1034.7 X/1034 S1 Ch,K,J,R 573 368 4 Sept 20 Sept 10 Tail 10◦ long
1041.6 . . . . . . . . . Ch,K,R? 577 371 2 Sept 1 Aug 4 Leading fragment; tail 45◦ long
1041.9 . . . . . . . . . K,E 578 372 3 Oct–Nov . . . . . . Trailing fragment; tail 45◦ long
1075.9 . . . . . . . . . Ch,K,J 605 385 . . Nov 17 . . . . . . Tail 7◦ long on Nov 20
1080.0 . . . . . . . . . Ch 607 386 2 Jan 6 Jan 2 Neck fragment; tail present
1106.1 X/1106 C1 E,K,J,Ch,R,P,X 618 391 7 Feb 4 Jan 26? Tail 100◦ long; parent of C/1843 D1
1138.6 . . . . . . . . . Ch 636 403 . . Sept 3 Aug 1? Parent of C/1882 R1 and C/1965 S1
1155.5 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed
1179.6 . . . . . . . . . G . . . . . . 2 Aug 1 . . . . . . Daylight sighting near Sun
1210.5 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed
1232.8 . . . . . . . . . Ch,J 683 429 4 Oct 17 Oct 14 Tail over 60◦ long
1282.2 . . . . . . . . . R 709 . . . 2 Mar 30 . . . . . . Daylight observation
1314.8 . . . . . . . . . E 732 . . . 2 Oct . . . . . . Observed over three weeks
1368.2 . . . . . . . . . K,J,Ch? 761 470 4 Mar 7 . . . . . . Tail 15◦ long

#4 1529.1 . . . . . . . . . Ch 890 544 3 Feb 9 . . . . . . Tail across sky
1539.6 . . . . . . . . . Ch . . . . . . . . Jul–Aug . . . . . . Sun-comet (Strom 2002)
1579.7 . . . . . . . . . O,Ch 932 . . . . . Oct 10 Sept 30 Tail 10◦ long
1588.8 . . . . . . . . . Ch . . . . . . . . Oct 24 Oct 16 Tail exceeding 20◦ in length
1625.7 . . . . . . . . . Ch . . . . . . . . Sept 2 . . . . . . Sun-comet (Strom 2002)
1663.8 . . . . . . . . . Ch . . . . . . . . Oct 31 Oct 15 Tail exceeding 20◦ in length
1668.2 C/1668 E1 Af,Ch,K,J,E,B,I 989 . . . 8 Mar 2 Feb 28 Tail up to 45◦ long; Population I
1689.9 C/1689 X1 Af,I,J 1001 . . . 9 Nov 24 Dec 2 Tail 60◦ long; Population II
1695.8 C/1695 U1 B,I,Ch,K,J,X 1003 . . . 9 Oct 28 Oct 24 Tail up to 40◦ long; Population I
1702.1 X/1702 D1 Af,E,Ch,K,J,I,X 1009 . . . 9 Feb 20 Feb 13 Tail up to 43◦ long; Population II
1765.5 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed
1770.5 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed
1774 . . . . . . . . . Ch . . . . . . . . . . . . . . . . . . . . Sun-comet (Strom 2002)
1792.3 . . . . . . . . . Ch . . . . . . . . Apr–May . . . . . . Sun-comet (Strom 2002)
1839.6 . . . . . . . . . Ch . . . . . . . . Aug 14 . . . . . . Sun-comet (Strom 2002)
1843.2 C/1843 D1 E,Af,US,I,X 1106 . . . . . Feb 5 Feb 27 Great March Comet
1865.5 . . . . . . . . . Ch . . . . . . . . Jul 18 . . . . . . Sun-comet (Strom 2002)
1880.1 C/1880 C1 Ar,Af,Au,X 1157 . . . . . Jan 31 Jan 28 Great Southern Comet
1882.4 X/1882 K1 Eg . . . . . . . . May 17 May 17 Tewfik, eclipse comet; site: Sohag
1882.7 C/1882 R1 Ar,B,Af,Au,E,X 1164 . . . . . Sept 1 Sept 17 Great September Comet
1887.0 C/1887 B1 Ar,Af,Au,B 1172 . . . . . Jan 18 Jan 11 Great Southern Comet
1946.0 C/1945 X1 Af . . . . . . . . Dec 11 Dec 27 Du Toit; observed over <1 week
1949.5 . . . . . . . . . Al . . . . . . . . Jul 16 . . . . . . Schmitt’s object; tail only
1963.6 C/1963 R1 Ar,Af,Au,US,J,X 1244 . . . . . Sept 14 Aug 23 Pereyra
1965.8 C/1965 S1 J,US,E,Af,Au,X 1247 . . . . . Sept 18 Oct 21 Ikeya-Seki
1970.4 C/1970 K1 Au,Cl,Ar,X 1253 . . . . . May 18 May 14 White-Ortiz-Bolelli
1979.7 C/1979 Q1 Y . . . . . . . . Aug 30 Aug 30 Solwind 1
1989.7 C/1989 S1 Y . . . . . . . . Sept 28 Sept 28 SMM 10

#5 2012.0 C/2011 W3 Au,US,E,Cl,X,Y . . . . . . . . Nov 27 Dec 16 Lovejoy

Notes.

a Abbreviations: Af = South Africa, Al = Algeria, Ar = Argentina, Au = Australia, B = Brazil, Ch = China, Cl = Chile, Eg = Egypt, E = Europe
(general), G = Germany, Gr = Greece, I = India, J = Japan, K = Korea, O = Ottoman Empire, P = Palestine, R = Roman Empire (Eastern),
US = United States, X = another location, including at sea, Y = space observatories.
b Ranking of potential sungrazers (1–9), assigned by England (2002): 1 = very unlikely; 9 = very likely.

Based on the populations detected in Paper 1 among
the SOHO Kreutz sungrazers, a scenario of near-aphelion
fragmentation of the progenitor’s two lobes and neck into
ten major fragments, arriving within days of one another
at perihelion in AD 363 as the second-generation objects,
was simulated in Paper 3. Of this cluster of arriving
sungrazers only a fraction is listed in the pedigree chart
in Table 2: Fragment A is a precursor of Populations I
and Pe (from Lobe I), Fragment B of Population Ia (from

the neck), Fragment C of Population II, Fragment D of
Population IIa, and Fragment E of Population III (all
three from Lobe II).
Each of these second-generation objects (or the first-

generation fragments) is next presumed in the pedigree
chart in Table 2 to have fragmented into third-generation
objects (or second-generation fragments). The arriving
Fragment A split into four major pieces, but one of them
broke up again into two later, far from perihelion. Ac-
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Table 2

Representative Extended Pedigree Chart for the Kreutz System (Populations I, Ia, II, IIa, and III)a,b,c

Genera- P Genera- Frag- P ∆P Genera- Frag- P ∆P Genera- Frag- Relation to
tion#1 (yr) tion#2 ment (yr) (yr) tion#3 ment (yr) (yr) tion#4 ment population

−371.0 Progenitor
734.9

363.9 ⋆ A Population I
593.3 −141.6

957.2 A (and Pe)
571.9 −21.4

1529.1 A |
631.6 +38.3 |

1588.8 B |
711.0 +117.7 |

1668.2 C |
677.7 −57.2 |

1041.6⋆ B |
654.2 −23.5 |

1695.8 A |
733 +55 |

1774 B |
840.8 +163.1 |

1882.4 C |
922.0 +244.3 |

1963.6 D |
678.0 −56.9 |

1041.9⋆ C |
838.2 +160.2 |

1880.1⋆ A |
845.1 +167.1 |

1887.0⋆ B |
742.2 +7.3 |

1106.1 D |
737.1 −5.1 |

1843.2 A |
843.4 +101.2 |

1949.5 B |
815.7 +80.8 |

1179.6 E |
810.1 −5.6 |

1989.7 A |
734.9

363.9 ⋆ B Population Ia
716.1 −18.8

1080.0 A |
690.5 −25.6 |

(1770.5) A |
785.5 +69.4 |

1865.5 B |
866.0 +149.9 |

1946.0 C |
734.9

363.9 ⋆ C Population II
579.9 −155.0

943.8 A |
635.9 +56.0 |

1579.7 A |
720.0 +140.1 |

1663.8 B |
670.8 −64.1 |

1034.7 B |
504.9 −165.9 |

1539.6 A |
591.0 −79.8 |

1625.7 B |
655.2 −15.6 |

1689.9 C |
730.8 +60.0 |

(1765.5) D |
804.9 +134.1 |

1839.6 E |
774.7 +39.8 |

1138.6 C |
563.5 −211.2 |

1702.1 A |
653.7 −121.0 |

1792.3 B |
744.1 −30.6 |

1882.7 C |
827.2 +52.5 |

1965.8 D |
846.6 +111.7 |

(1210.5) D |
777.5 −60.8 |

1979.7 A |
918.3 +183.4 . . . . . . . . . . . . |

1282.2 E . . . . . . . . . |
. . . . . . . . . . . . |

. . . . . . . . . |
734.9

363.9 ⋆ D Population IIa
597.3 −137.6

961.2 A |
712.0 −22.9 . . . . . . . . . . . . |

1075.9 B . . . . . . . . . |
791.6 +56.7 . . . . . . . . . . . . |

(1155.5) C . . . . . . . . . |
868.9 +134.0 815.1 +23.7 |

1232.8 D 1970.4 C |
950.9 +216.0 . . . . . . . . . . . . |

1314.8 E . . . . . . . . . |
. . . . . . . . . . . . |

. . . . . . . . . |
734.9

363.9 ⋆ E Population III
488.3 −246.6

852.2 A |
. . . . . . . . . . . . 516.0 +27.7 |

. . . . . . . . . 1368.2d A |
. . . . . . . . . . . . |

. . . . . . . . . ||

Notes.

a Comets typed in italics were seen only as daylight objects.
b Comets followed by a star are fragments from events occurring at heliocentric distances much larger than perihelion distance.
c Comets in parentheses are missed objects.

d With next P = 643.8 yr and ∆P = +127.8 yr, comet Lovejoy (C/2011 W3) could become first observed generation #5 Kreutz sungrazer.
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cordingly, a total of five major fragments returned to
perihelion between the mid-10th and late 12th centuries.
First was the comet of 957 (a second-generation Frag-
ment A), two comets of 1041, one in September, the other
in November (second-generation Fragments B and C, re-
spectively), the Great Comet of 1106 or X/1106 C1 (a
second-generation Fragment D; the most massive sub-
fragment of the arriving Fragment A and the parent to
the Great March Comet of 1843), and the daylight comet
of 1179 (a second-generation Fragment E).
The dimensions of the arriving Fragment B, the pre-

sumed product of the progenitor’s neck in the putative
cluster of sungrazers, should have been relatively small.
On the assumption that it lost little mass at perihelion,
it should have returned to next perihelion with only a
slightly changed orbital period as the comet of 1080.
On the other hand, the arriving Fragment C is pre-

sumed to have split into five sizable subfragments at
perihelion in AD 363, which returned between the mid-
10th and late 13th centuries. First to come back was the
comet of 943 (another second-generation Fragment A).
Next was the comet of 1034 (another second-generation
Fragment B), then the most massive of this group, the
comet of 1138 (another second-generation Fragment C;
the parent of the Great September Comet of 1882 and
Ikeya-Seki), followed by a comet of 1210 (another Frag-
ment D; missed) and by the comet of 1282 (another
second-generation Fragment E).
Next I assume that when the first-generation Fragment

D arrived at perihelion in AD 363, it also broke up into
five second-generation fragments. In the order of increas-
ing orbital period they were the comets of 961 (Frag-
ment A), 1075 (Fragment B), 1155 (Fragment C; missed),
1232 (Fragment D), and 1314 (Fragment E). Strangely,
the missed sungrazer of 1155 is a candidate for the parent
to comet White-Ortiz-Bolelli (C/1970 K1).
The pedigree chart in Table 2 does not offer any de-

tailed fragmentation history of the remaining sungraz-
ers from the cluster arriving in AD 363, namely, Frag-
ments E, F, . . . (precursors to Populations III, IIIa, . . . ).
For the first-generation Fragment E, the single presumed
second-generation fragment is the comet of 852, as it may
have been, via the comet of 1368, a presursor of comet
Lovejoy (C/2011 W3), the only fifth-generation object
under consideration.
The subsequent part of the pedigree chart in Table 2

presents fragmentation products of the arriving second-
generation fragments (Generation #3). For example, for
Population I (and Pe), the comet of 957 — with the
shortest orbital period — is assumed to have split at
perihelion into three third-generation fragments, giving
birth to the comets of 1529 (Fragment A; listed by Eng-
land); 1588 (Fragment B; listed by Hasegawa & Nakano),
and 1668 (Fragment C; well-known as a potential Kreutz
sungrazer C/1668 E1).
The September comet of 1041 is proposed to have been

the parent to four sungrazers: the comet of 1695 (also
known as C/1695 U1; Fragment A), the sun-comet of
1774 (Fragment B), the Eclipse Comet of 1882 (Frag-
ment C), and comet Pereyra C/1963 R1 (Fragment D).
The strongly asymmetric distribution of ∆P for the
products of this 1041 comet suggests that additional un-
recorded fragments should have arrived in the early 17th
century and/or late 16th century.

The November comet of 1041 is proposed to have bro-
ken up far from perihelion to generate the pair of bright
but not very massive 19th century sungrazers C/1880 C1
(Fragment A) and C/1887 B1 (Fragment B), in compli-
ance with the scenario presented in Paper 1. However, to
make it plausible requires, in the least, one major sun-
grazer that arrived at perihelion around 1720 but was
apparently missed. In any case, the fragmentation his-
tory of this second 1041 comet is very much incomplete
in Table 2.
The famous comet of 1106 (X/1106 C1) did not nec-

essarily produce any major fragments, returning as the
Great March Comet of 1843, as already noted. A much
less prominent fragment could have been the possible
Kreutz member reported by Schmitt (1949). The par-
ent did however fragment profusely, producing much of
the current stream of dwarf sungrazers, observed by the
SOHO spacecraft.
One of the sungrazers discovered in the images taken

by the Solar Maximum Mission, SMM 10, may be a frag-
ment of the daylight comet of 1179. There could have
been other fragments in the past, in particular around
1900, which were missed. This daylight comet is one
of those that are expected to potentially produce bright
sungrazers in the course of the 21st century.
There is no need to continue listing the birth of the

third-generation fragments (Generation #4) from the
second-generation fragments in Populations Ia, II, IIa,
and III, as the process is similar to that in Popula-
tion I. The implications of the pedigree chart are pre-
sented next.

5. IMPLICATIONS OF THE PEDIGREE CHART
FOR THE KREUTZ SYSTEM

The most obvious outcome of the process of tidal frag-
mentation is rapid diffusion of Kreutz sungrazers in time.
Table 1 shows a minimum perihelion-time separation of
735 yr between Generations #1 and #2, 488 yr between
Generations #2 and #3, 161 yr between Generations #3
and #4, and merely 22 yr between Generations #4 and
#5. This diffusion effect is so overwhelming that several
revolutions after their birth, Kreutz sungrazers should
have an essentially random distribution of their perihe-
lion times. Given that a tendency to clustering in time is
still apparent among the observed objects, the first con-
clusion is that the Kreutz system has to be of a very young
age, a condition that the contact-binary model is entirely
consistent with.
To continue along these lines, one can divide an appro-

priate time interval, over which the several generations
of potential Kreutz sungrazers are shown in the pedi-
gree chart to have been coming to perihelion, into equal
parts and compare the relative numbers, as organized
in Table 1, with the numbers of the potential historical
Kreutz sungrazers in England’s (2002) and Hasegawa &
Nakano’s (2001) sets. For example, adopting an overall
period of time AD 1 through AD 1702 (which happens to
be the end year of either set) and dividing it into two half-
periods of AD 1 through AD 851 and AD 852 through
AD 1702, Table 1 shows that there was a single sun-
grazer event in the first half-period, but 28 events (852,
943, . . . , 1695, 1702) in the second. In relative terms,
these numbers represent 3.4 percent and 96.6 percent,
respectively.
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Figure 3. Comparison of the numbers of potential historical
Kreutz sungrazers in England’s set, NE (left), and Hasegawa &
Nakano’s set, NHN (right), with the normalized numbers of objects
from the pedigree chart of the Kreutz system, NK. Note the con-
siderable excess number of comets in either set over the normalized
number from the pedigree chart in the period of AD 1–851 rela-
tive to that in the period of AD 852–1702 (NE/NK = 23/1.3 = 18,
NHN/NK = 8/0.5 = 16), presenting strong evidence for the exis-
tence of the super-Kreutz system.

Comparison of their normalized numbers with the re-
spective numbers of potential historical Kreutz sungraz-
ers in England’s and Hasegawa & Nakano’s sets is offered
in Figure 3. Immediately obvious is an enormous excess
of objects in either of the two datasets relative to the
number required by the pedigree chart of the Kreutz sys-
tem in the early period (AD 1–851), as opposed to the
later period (AD 852–1702). Either dataset is found to
contain a greater number of potential Kreutz sungraz-
ers than indicated by the pedigree chart by more than a
factor of ten!
Given that in the contact-binary model the single rel-

evant sungrazer event in the period of AD 1–851 is that
of the Ammianus daylight comets, not listed by either
England or Hasegawa & Nakano, the situation is in fact
even more extreme than portrayed in Figure 3: none of
the potential sungrazers before AD 852 presented in ei-
ther dataset is a member of the Kreutz system proper .
This fact represents remarkably robust evidence of the
existence of the super-Kreutz system: its members in-
clude all genuine sungrazers among the 23 objects in Eng-
land’s dataset and among the eight objects in Hasegawa
& Nakano’s dataset.
In reviewing the condition for ∆P (i.e., ∆Pp→f), de-

scribed in Section 4, Table 2 shows that in the majority
of cases the value of

∆Pfrg = ∆Pp→fk+1
−∆Pp→fk (21)

for two neighboring fragments, fk and fk+1, is in a general
range of 70 yr to 90 yr. Two outstanding exceptions,
the two comets of 1041 and the pair of C/1880 C1 and
C/1887 B1 concern fragments that separated far from
perihelion and are marked with stars in Table 2.
There is some confusion about the comet(s) of 1041.

Both England (2002) and Ho (1962) list two objects, one
in September, the other in November. They also agree
that either comet was observed in Korea.1 On the other

1 England calls the first comet Korean-Byzantine; Ho, as a rule,
lists only events recorded in Oriental sources.

hand, Hasegawa & Nakano (2001) consider the appear-
ance of only one comet, which was observed from Septem-
ber through November. They refer to it as a Chinese-
Korean object because they offer an additional account
from the Beijing Observatory, not available until 1988. A
problem with the assumption of a single object is the un-
usually long period of observation, which in turn requires
a considerable intrinsic brightness (absolute magnitude
of −1, by far the brightest in Hasegawa & Nakano’s set).
The premise of a single comet in late 1041 thus entails the
need for its anomalous properties. On the other hand,
the scenario of two sungrazers about two months apart at
perihelion requires their breakup at a moderately large
heliocentric distance, and appears to be preferable.
Comet Lovejoy’s (C/2011 W3) pedigree presents a ma-

jor challenge. While in Section 2 I suggested the comet
of 1368 as a possible parent, a fourth-generation object
(or a third-generation fragment) of the Kreutz system,
its own pedigree is a puzzle. To fit the required tempo-
ral sequence, its barycentric orbital period would have
to be only marginally longer than 500 yr and its par-
ent (a third-generation object) would have to have a still
shorter period of less than 500 yr! Either period is at
the lower boundary of the estimated range (Section 4)
and therefore suspect. If the 1368 ⇒ 2011 link is valid,
but the preperihelion period of the 1368 comet is longer,
comet Lovejoy would be a member of the super-Kreutz
system but not the Kreutz system proper (Section 6).
The attentive reader will notice that the scenario in-

volving comet Pereyra (C/1963 R1) described in this pa-
per differs slightly from the scenario proposed for this
sungrazer in my previous papers (e.g., Paper 2). The
difference is in the history of its precursors, as the pedi-
gree chart in Table 2 assumes that Pereyra’s direct parent
fragmented after , rather than before, AD 363, a variation
in the orbital evolution that is dynamically insignificant.
The only critical point was to find a path to separate a
precursor of comet Pereyra from precursors of the Great
March Comet of 1843 on the one hand and the Great
Southern Comet of 1880 on the other hand. Either sce-
nario satisfies this condition.
In summary, the representative pedigree chart in Ta-

ble 2 contains 20 of the 62 potential historical sungraz-
ers in England’s (2002) set, 12 of the 24 such objects in
Hasegawa & Nakano’s (2001) set, and 6 of the 14 sun-
comets in Strom’s (2002) set. The chart shows four suc-
cessive generations of objects and hints at a single case
of the fifth generation object. In certain directions the
fragmentation-driven divarication is described to consid-
erable extent, such as in the cases of the third-generation
Fragment B branch of Population I or Fragments B and C
branches of Population II. In other cases, such as in the
third-generation Fragments C, D, and E branching of
Population I or Fragments A and D branching of Popu-
lation II, the divarication is outlined incompletely. Only
selected fourth-generation objects are presented in the
chart for Populations Ia, IIa, and III, whereas the pedi-
gree links in Populations Pre-I, IIIa, and IV are not fully
pursued in Table 2.
My final comment in this section is a reiteration that

fragmentation paths in the chart are arbitrary, except for
valid constraints and the links that define the contact-
binary model, namely, −371⇒363-A⇒1106-D⇒1843-A
and −371⇒ 363-C⇒ 1138-C⇒ 1882-C.
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6. REPRESENTATIVE EXTENDED PEDIGREE CHART
FOR A SUPER-KREUTZ SYSTEM

The primary objective of this section is to show that,
in investigating the process of cascading fragmentation,
a fair number of the potential historical sungrazers (es-
pecially the objects from the first millennium AD) listed
in the datasets by England (2002), Hasegawa & Nakano
(2001), Strom (2002), and others, which were not read-
ily accommodated by the pedigree chart for the Kreutz
system proper in Table 2, could successfully be fitted
into a representative extended pedigree chart for a super-
Kreutz system.
I first describe the temporal range of the sungrazers un-

der consideration for this chart. The orbits of the Great
March Comet of 1843 and the Great September Comet of
1882 were in Paper 4 integrated back to 5 BC, the time
of the contact-binary’s bifurcation near aphelion. Fur-
ther integration of the progenitor’s orbit into the past
then continued over another 2 1

2 revolutions about the
Sun, determining in the process the times of the con-
secutive perihelion passages in the years of 372 BC (or
−371), 1125 BC (or −1124), and 1901 BC (or −1900).
For inclusion in the chart, the comet is assumed to have
passed through perihelion in these particular years even
if there is no record about its possible sighting. There
is of course nothing sacred about the predicted return of
−1900 and the orbit could have been integrated another
revolution or two about the Sun further back in time. In
practice, however, this would make little sense because
one has essentially no information available on comets
before the 2nd millennium BC.
Two issues associated with these early times of comet

appearances were briefly addressed in Paper 4 and are re-
iterated here. One was an uncertainty of dozens of years
in dating most events, especially in the 2nd millennium
BC. Granting this ambivalence, the comet that allegedly
was seen in Sumer around −1930 may have been the sun-
grazer described by Aristotle two revolutions about the
Sun later, in −371. The respective entries in Hasegawa’s
(1980) catalogue of ancient comets show Pingré’s (1783)
cometography as the source of information.
The other issue involved a speculation about the Greek

comet of −1200 or −1175 in Hasegawa’s catalogue as a
potential appearance of an early fragment of the −1900
comet. Here I extend the range of conjectures of this kind
to include: (i) a Chinese comet that appeared according
to Ho (1962) in one of the years −1121, −1108, −1054
(most likely), or −1029; (ii) a possible comet during a
total solar eclipse, etched on an oracle bone discovered
near Anyang, Henan Province, northern China (England
2002), dated from −1225 or −1197 or −1162 or −1160,2

taking the first year as the most likely; and (iii) a poten-
tial comet that according to England (2002) may have
been involved in a confusing story about the text on a
clay tablet found at the ancient city of Ugarit, Syria and
referring to a solar eclipse in the 14th century BC, per-
haps on −1375 May 3.
Hasegawa (1980) lists 11 comets chronicled by Greeks

between−479 and−336, most of them taken from Pingré
(1783). In this period of time, more Greek than Chinese
comets were recorded, which is unusual. On the one

2 See website https://solarsystem.nasa.gov/eclipses/about-
eclipses/history.

hand, Barrett (1978) cautions that some of the comets
noted by Greek historians are suspect, on the other hand
Aristotle’s comet may not have been the only sungrazer
observed in this period of time. Somewhat arbitrarily, I
include the Greek comet of −340 — another one depicted
by Aristotle in his writings (Barrett 1978)— as a possible
fragment of the comet of −1900. I likewise add three
Chinese comets, seen according to Ho (1962) in −515,
−432, and −213, the last having been deemed a suspect
before (Sekanina & Chodas 2007). However, no Chinese
comet described as tailless (po) was included and neither
were of course the entries suspected of being appearances
of Halley’s comet. It is rather strange that no detection of
Aristotle’s comet of −371 was noted by Chinese; Korean
accounts of comet sightings seem to have begun in the 1st
century BC, Japanese not before the 7th century AD.
Because of the grossly incomplete statistics of comets

in the centuries before the Common Era, it was necessary
to postulate a number of missed comets. Fitting the
pedigree chart, sungrazers were adopted to have passed
perihelion in the years −1300, −950, −850, −700, −550,
−330, and −260. A total of ten missed comets had to be
introduced.
I was now ready to assemble a representative pedigree

chart for a super-Kreutz system that went back some four
millennia, with the comet of −1900 being considered the
progenitor or the single sungrazer of the first generation,
with which the process of cascading fragmentation began.
The list of the 51 potential sungrazers that make up the
chart is presented in Table 3. Its format copies Table 1,
except that times are rounded off to the whole year. The
total number of sungrazer generations amounts to eight;
the third and fourth generations already overlap because
of massive orbital diffusion.
Table 4 presents the assembled pedigree chart for a

super-Kreutz system. Its format resembles the chart for
the Kreutz system in Table 2, but is substantially sim-
plified by eliminating the columns providing ∆P and the
fragment letter identification. Table 4 consists of four
parts, an arrangement dictated by the complex structure
proposed for the super-Kreutz system. In Part 1 I list,
from the 3rd generation on, only the so-called main frag-
ments . A parent sungrazer’s main fragment is one char-
acterized by the smallest shift of its center of mass from
the parent’s center of mass, ∆U , and therefore also by the
least magnitude of ∆Pp→f . An example is provided by
Table 2: the main fragment of the sungrazer 363-C among
the third-generation objects is the comet of 1138 (Frag-
ment C), whose ∆Pp→f = +39.8 yr and the main frag-
ment of this comet among the fourth-generation objects
is the Great September Comet of 1882 (Fragment C),
whose ∆Pp→f = −30.6 yr. The fragments equivalent to
A, B, D, and E in the third generation and A, B, and
D in the fourth generation in Table 2, are not listed
in Part 1 of Table 4. The exception is the comet of
−1900 (the progenitor) that is assumed to have broken
up at perihelion into six fragments returning between
the years −1375 and −950; the main fragment was the
comet of −1124 with ∆Pp→f = +8 yr. The main frag-
ments, distributed along the diagonals, are separated in
Table 4 by near-constant orbital periods, while periods
of fragments of the same generation (in columns) differ
by ∆Pfrg ≃ 100 yr. The fragments are typed in boldface,
the orbital periods in normal font.
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Table 3

List of Definite and Potential Members of a Super-Kreutz System Included in Representative Extended Pedigree Chart

Year of Catalogue # Date of
Gener- comet’s Desig- Observing Rank- 1st obser- Date of
ation arrival nation site(s)a Hasegawa Ho ingb vation perihelion Comments

#1 −1900 . . . . . . . . . Su? 7? . . . . . . . . . . . Jan 3 Orbit integration of Aristotle’s comet

#2 −1375 . . . . . . . . . Sy . . . . . . 4 May 3? . . . . . . Potential eclipse sungrazer

−1300 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

−1225 . . . . . . . . . Ch . . . . . . 2 May 6? . . . . . . Potential eclipse sungrazer

−1124 . . . . . . . . . . . . . . . . . . . . . . . . . . Oct 26 Orbit integration of Aristotle’s comet

−1054 . . . . . . . . . Ch 18 2 . . . . . . . . . . . . . . Tail present

−950 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

#3 −850 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

−700 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

−550 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

−515 . . . . . . . . . Ch 28 8 . . . . . . . . . . . . . . Sungrazing nature uncertain

−432 . . . . . . . . . Ch 38 14 . . . . . . . . . . . . . . Sungrazing nature uncertain

−371 . . . . . . . . . Gr 42 . . . 7 . . . . . . winter; Feb? Aristotle’s comet

−340 . . . . . . . . . Gr 48 . . . . . . . . . . . . . . . . . Sungrazing nature uncertain

−260 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

−213 . . . . . . . . . Ch 58 22 . . . . . . . . . . . . . . Sungrazing nature uncertain

−4 . . . . . . . . . Ch . . . . . . . . Jan 26 ∗Nov 25 Tail length in excess of 100◦

#4 −330 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

−115 . . . . . . . . . M . . . . . . 5 Aug 29 . . . . . . Eclipse comet

110 . . . . . . . . . Ch 166 91 3 Jan 27 ∗Dec 22 Tail 10◦ long to NE

133 . . . . . . . . . Ch 174 99 5 Feb 8 Jan 20 Tail 75◦ long and 3◦ wide

252 . . . . . . . . . Ch 218 135 4 Mar 24 Mar 16 Tail 75◦ to 90◦ long

283 . . . . . . . . . Ch 237 153 2 Apr 22 . . . . . . Tail ≥15◦ long

363 . . . . . . . . . R2 . . . . . . . . late in year . . . . . . Daylight comets (Kreutz system)

423 . . . . . . . . . Ch 294 197 5 Feb 13 Feb 7 Tail up to 45◦ long

467 . . . . . . . . . Ch,R2,It,Po 315 210 5 Feb 6 Feb 3 Two tails stretch halfway across sky

582 . . . . . . . . . Ch,F 354 233 3 Jan 15 . . . . . . Tail present

607 . . . . . . . . . Ch 367 237 . . Feb 28 Feb 26 “Long star” extended across sky

612 . . . . . . . . . Ir . . . . . . 2 Aug 2 . . . . . . Possible eclipse comet

948 . . . . . . . . . J 521 339 2 Mar 2 . . . . . . Tail present

#5 191 Great Comet Ch,K,R1 191 113 4 Oct–Nov . . . . . . Straight tail over 100◦ long

501 . . . . . . . . . Ch 320 213 3 Feb 13 Feb 10 Tail stretched across sky

762 . . . . . . . . . R2 431 . . . 1 . . . . . . . . . . . . Tail long and straight

815 . . . . . . . . . K . . . . . . 3 Sept 7 . . . . . . Tail 9◦ long

939 . . . . . . . . . It 513 . . . 2 July . . . . . . Seen shortly after solar eclipse

947 . . . . . . . . . J 519 337 3 Feb 20 . . . . . . Distinctive, straight tail

1180 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

1300 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

1434 . . . . . . . . . J 817 507 2 Sept 11 . . . . . . Seen in the east

1564 . . . . . . . . . Ch . . . . . . . . Aug–Sept . . . . . . Sun-comet (Strom 2002)

1887 C/1887 B1 Ar,Af,Au,X 1172 . . . . . Jan 19 Jan 11 Great Southern Comet

#6 675 . . . . . . . . . Ch 395 254 3 Nov 4 . . . . . . Tail 8◦ long

1137 . . . . . . . . . G . . . . . . 1 Sept 11 . . . . . . Rising before dawn

1368 . . . . . . . . . K,J,Ch? 761 470 4 Mar 7 . . . . . . Tail 15◦ long

1587 . . . . . . . . . J 942 574 3 Aug 30 . . . . . . Daylight sighting

1643 . . . . . . . . . Ch . . . . . . . . Jun–Jul . . . . . . Sun-comet (Strom 2002)

1945 C/1945 X1 Af . . . . . . . . Dec 11 Dec 27 Sungrazing comet du Toit

#7 1184 . . . . . . . . . E . . . . . . 1 May 1 . . . . . . Comet nature of event questionable

1760 . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . Object missed

2011 C/2011 W3 Au,US,E,Cl,X,Y . . . . . . . . Nov 27 Dec 16 Sungrazing comet Lovejoy

#8 1673 . . . . . . . . . Ch 991 . . . . . Mar 10 Feb 26 Tail length 1◦

Notes.

a Abbreviations: Af = South Africa, Ar = Argentina, Au = Australia, Ch = China, Cl = Chile, E = Europe (general), F = France, G = Germany,
Gr = Greece, Ir = Ireland, It = Italy, J = Japan, K = Korea, M = Mediterranean, Po = Portugal, R1 = Roman Empire (Western), R2 = Roman
Empire (Eastern), Su = Sumer, Sy = Syria, US = United States, X = another location, including at sea, Y = space observations.

b Ranking of potential sungrazers (1–9), assigned by England (2002): 1 = very unlikely; 9 = very likely.
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Table 4

Representative Extended Pedigree Chart for a Super-Kreutz Systema

Genera- P Genera- P Genera- P Genera- P Genera- P Genera- P Genera- P Genera-
tion#1 (yr) tion#2 (yr) tion#3 (yr) tion#4 (yr) tion#5 (yr) tion#6 (yr) tion#7 (yr) tion#8

PART 1: FRAGMENTATION OF PROGENITOR AND MAIN FRAGMENTS OF EACH GENERATION (−1124 = −1124-IC)

−1900
525

−1375
525

(−850)
600 520

(−1300) (−330)
600 521

(−700) 191
675 585 484

−1225 −115 675
675 616 509

(−550) 501 1184
776 660 636 489

−1124 110 1137 1673
784 705

−340 815
846 763

−1054 423
841 757

−213 (1180)
950 825 765

(−950) 612 1945
946 822

−4 1434
952

948
939

1887

PART 2: PRIMARY FRAGMENTATION OF COMET OF –1124

−1124
−1124-I

−1124-II

PART 3: SECONDARY FRAGMENTATION OF COMET OF –1124 (FRAGMENT –1124-I)

−1124-IA
609

−515
648

−1124-IB 133
692 629

−432 762
684 606

−1124-IC 252 1368
784 695 643

−340 947 2011
763 696

−1124-ID 423 1643
864 757

(−260) (1180)
867 765

607 1945

PART 4: SECONDARY FRAGMENTATION OF COMET OF –1124 (FRAGMENT –1124-II ⇒ –371)

−1124-II
753

−371-A
654

283
656

−371-B 939
734 648

363 KREUTZ 1587
SYSTEM

−371-C
838

467
833

−371-D (1300)
953

582
982

1564

Note.

a Comets in parentheses are missed objects.
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Parts 2 to 4 of Table 4 call attention to the exceptional
behavior of the comet of −1124 near perihelion in com-
parison to the other fragments of the comet of −1900.
The comet of −1124 is assumed to have split twice in
rapid succession in close proximity of perihelion. The
primary breakup, outlined in Part 2, generated two frag-
ments, −1124-I and −1124-II. The secondary breakup,
described in Part 3, involved a subsequent event, in which
−1124-I split into four pieces, −1124-IA, . . . , −1124-ID.
For each of these, a sequence of main subfragments is
listed. Note that these data for −1124-IC, which itself
is the main fragment of the comet of −1900, have to be
identical to those for the comet of −1124 in Part 1.
It is assumed that the evolution of the second object,

−1124-II, involved in the primary breakup, was very dif-
ferent. It did not fragment any longer in the year −1124,
but split instead during the following perihelion, in −371,
into four pieces, which returned in the years 283, 363,
467, and 582, respectively. The second of the four frag-
ments, −371-B, was a contact binary, which split near
the following aphelion and then continued to fragment
to give birth to the Kreutz system proper.

7. IMPLICATIONS OF THE PEDIGREE CHART
FOR A SUPER-KREUTZ SYSTEM

The 51 potential sungrazers that make up the repre-
sentative pedigree chart for a super-Kreutz system in Ta-
ble 4 include 25 objects from England’s (2002) dataset,
eight objects from Hasegawa-Nakano’s (2001) dataset,
two sun-comets from Strom’s (2002) list, 11 objects have
other sources, and 10 objects are missed comets. Five of
the 51 comets are common to England’s and Hasegawa-
Nakano’s datasets and six were also listed in Table 2.
Tables 2 and 4 together comprise 20 of the 24 po-

tential Kreutz/super-Kreutz sungrazers (or 83 percent)
tabulated by Hasegawa & Nakano, 44 of the 62 poten-
tial Kreutz/super-Kreutz sungrazers (or 71 percent) pre-
sented by England, and eight of Strom’s 14 sun-comets
(or 57 percent). Given that the number of genuine sun-
grazers is likely to be at most 50 percent of the poten-
tial sungrazers among naked-eye comets (Section 3), the
pedigree charts in Tables 2 and 4 must include a number
of objects that are not sungrazers.
Two of the six entries that are in both Table 2 and

Table 4 — the comets of −371 and 363 — represent the
direct link between the Kreutz system and super-Kreutz
system. Of the remaining four, three are the known sun-
grazers C/1887 B1 (the Great Southern Comet of 1887),
C/1945 X1 (du Toit), and C/2011 W3 (Lovejoy), and
the last one — the comet of 1368 — is in the two charts
directly connected to Lovejoy (Section 2).
The 1887 sungrazer, du Toit, and Lovejoy have one

major feature in common: they all disintegrated in close
proximity of perihelion: the 1887 comet about 6 hr af-
ter perihelion (Sekanina 1984) and Lovejoy about 40 hr
after perihelion (Sekanina & Chodas 2012); du Toit was
never seen (although searched for) after perihelion (Van
Biesbroeck 1946, Sekanina & Kracht 2015). For each of
the three an evolutionary path was proposed within the
Kreutz system proper in Table 2, so the paths in Table 4
are merely potential alternative solutions.
The disintegrating sungrazers are relevant to the issue

of the lifetime of the Kreutz/super-Kreutz system, which
I briefly addressed already in Section 3 in connection

with the sungrazers’ temporal distribution. The pedigree
charts in Tables 2 and 4 show the assumed fragmenta-
tion process to extend over as many as five and eight
generations of objects, respectively. The data provide no
information on the lifetime, as the predicted fragmen-
tation paths of the three disintegrating comets — four,
five, and six revolutions about the Sun — may or may
not be reasonable numbers. Yet, one is probably correct
in estimating that a typical lifetime is a few revolutions
and depends on the dimensions and morphology of the
fragmenting body. Given that the origin of the Kreutz
system proper is attributed to the bifurcation of a contact
binary, it appears that the progenitor of the super-Kreutz
system may have been an agglomerate of more than two
such parts and that all but the last two had separated
during perihelion returns prior to the aphelion breakup.
This would mean that the Kreutz system proper could in
effect represent an ultimate deagglomeration stage of the
super-Kreutz system.
A particularly puzzling story is the orbital evolution

of comet Lovejoy, as already commented on in Section 4.
If it indeed was a fragment of the comet of 1368, itself
a member of the Kreutz system proper, then this lat-
ter comet should belong to Population III and in order
to have reached perihelion in AD 363, its orbital period
should have been either about 500 yr or 1000 yr. If the
orbital period was∼500 yr, one would expect the comet’s
main fragment to return to perihelion during the second
half of the 19th century. None of the known sungrazers
in that period of time appears to have been a member
of Population III, so that the short orbital period is un-
likely. If the orbital period was near 1000 yr, diagnostic
times of the perihelion returns are a matter of the future.
The path proposed for Lovejoy in Table 4 would bypass
a Kreutz-system scenario but leave the association with
Population III unexplained.
Another highly controversial issue is that of the comets

of 423 and 467, either of which was deemed a potential
Kreutz sungrazer by England (2002). The two objects
were independently judged attractive Kreutz candidates
in a model that was believed to be able to simultane-
ously explain the sungrazer clusters in the 17th and 19th
centuries as fragmentation products of a parent, whose
orbital period was near 700 yr and which reached peri-
helion at the time of the probable sungrazer X/1106 C1
(Sekanina & Chodas 2007). More recently, this model
was abandoned because it appeared to be inferior to the
new contact-binary model (Paper 1). The degree of in-
consistency in judging whether the comet of 423 or 467
was more likely to be a Kreutz sungrazer is apparent from
comparison of the results of two investigations. On the
one hand, Hasegawa & Nakano (2001) clearly preferred
the comet of 423, as the comet of 467 did not even make
their list. On the other hand, Mart́ınez et al. (2022) in
their more recent extensive work reached the opposite
conclusion, agreeing that the comet of 467 could well be
a member of the Kreutz system, but arguing that the
comet of 423 had a perihelion distance of ∼0.47 AU.
The final problem worth commenting on in this sec-

tion is the questionable existence of potential-sungrazer
pairs and/or triplets. I leave aside Ammianus’“daylight
comets” in AD 363 (Paper 3), the phenomenon that is
probably unique. Rather, I refer to cases similar to the
two potential sungrazers in 1041, already mentioned in
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Section 4. A difference of about two months in their ar-
rival times at perihelion is readily explained by the radial
component of a separation velocity of about 1 m s−1 if
they broke up at aphelion, or 0.1 m s−1 if at 30 AU from
the Sun on the way to aphelion.
The two comets of 1041 are by no means an isolated

case of the pair arriving in rapid succession. Two po-
tential sungrazers observed on, respectively, 501 Febru-
ary 13 and April 14 are another example. And from
349/350 there are accounts of comets from December 2,
January 29, and March 30, possibly three independent
objects. While the 1041 pair is listed as separate en-
tries by England and in both Hasegawa’s (1980) and
Ho’s (1962) catalogues but not by Hasegawa & Nakano
(2001), the 501 pair is listed as two separate entries by
England and by Ho but as one in Hasegawa’s catalogue.
The 349/350 triplet is archived as a single entry by both
England and Ho but in his catalogue Hasegawa lists the
March object as a separate entry. There obviously is no
consensus in these matters.
Much confusion has surrounded the comet of 1368, sug-

gested in Section 2 as a potential parent to the sungrazer
Lovejoy of 2011. England (2002) considers it a Korean-
Japanese comet with March 7 as the discovery date, con-
sistent with the reference in Ho (1962). But England
misquotes Hasegawa (1980) about the Japanese observ-
ing the comet the following evening. Also, his tentative
identification of this comet with that observed by the
Chinese on February 7 is in conflict with Ho’s (1962)
catalogue, in which these are listed as two different ob-
jects. Ho identifies the comet seen in Korea during much
of April with one observed by the Chinese in early April
and by the Japanese in late April or early May. It ap-
pears likely that two different objects were seen between
early February and mid-May.

8. CONCLUSIONS

Once the contact-binary model is accepted, all second-
generation members of the Kreutz system (or the first-
generation fragments of Aristotle’s comet via separation
of the two lobes) appear as Ammianus’ daylight comets in
late AD 363. All other objects that were moving in simi-
lar sungrazing orbits and arriving at perihelion through-
out (much of) the first millennium AD, must have been
related to Aristotle’s comet one way or the other but
could not have been members of the Kreutz system. Eng-
land (2002) and Hasegawa & Nakano (2001) list, respec-
tively, 32 and 10 candidates for such related comets. Per-
functory examination suggests that as many as one half
of the candidates should be genuine relatives, specifically
fragments that had separated from Aristotle’s comet be-
fore the bond between the two lobes failed, plus subse-
quent subfragments of these fragments. In this paper I
have been calling a super-Kreutz system the total of this
assemblage of non-Kreutz fragments and subfragments
plus the Kreutz system proper. The contact binary itself
may have been part of a greater agglomerate (Aristotle’s
comet long before 372 BC) consisting of morphological
structures equivalent to the contact binary and all but
the two lobes may have separated at perihelion returns
prior to the aphelion breakup. The Kreutz system could
possibly represent an ultimate deagglomeration stage of
the super-Kreutz sungrazer system.

Sets of orbital elements are unavailable for a majority
of potential historical sungrazers. Usually, the only ap-
proximately known parameter is the time of perihelion
passage, which precedes the time of (the tail’s) peak ap-
parent brightness by a few days to a few weeks at most.
To assemble a pedigree chart, one needs to apply a plau-
sible algorithm that is supported by data and is dynam-
ically justified. I use a steplike increase in the orbital
period of fragments, which seems to be closely followed
by the tidally-driven post-perihelion motions of the sec-
ondary nuclei of the Great September Comet of 1882 and
is fairly consistent with a constraint provided by an in-
vestigation of Roche’s limit. Whereas tidally produced
fragments move in orbits of vastly different periods and
are subjected to rapid diffusion, bumps on a cumula-
tive distribution curve of potential historical sungrazers
show that fragmentation also proceeds at large heliocen-
tric distance. As expected, over short time periods this
process increases the number of sungrazing comets, but
eventually, over longer periods, the disintegration effect
prevails and their number declines.
The fragmentation paths in the representative pedigree

charts for both the Kreutz system and a super-Kreutz
system should not be taken literally. In the displayed ex-
ercise they are merely examples that conform to very lim-
ited constraints, but apart from that they are arbitrary,
as is the choice of missed objects. Only the few links
characteristic of the contact-binary model are meaning-
ful to the extent the model is. Evidence for a super-
Kreutz sungrazer system of young age, incorporating the
Kreutz system proper as its part, is overwhelming and
the selected pedigree charts are in line with this evidence.
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ABSTRACT

In this work, we consider four different galaxy populations and two distinct global envi-
ronments in the local Universe (z ≤ 0.11) to investigate the evolution of transitional galaxies
(such as star-forming spheroids and passive discs) across different environments. Our sample
is composed of 3,899 galaxies within the R200 radius of 231 clusters and 11,460 field galaxies.
We also investigate the impact of the cluster’s dynamic state, as well as the galaxy’s location in
the projected phase space diagram (PPS). We found that although the cluster environment as
a whole influences galaxy evolution, the cluster dynamical state does not. Furthermore, star-
forming galaxies represent recent cluster arrivals in comparison to passive galaxies (especially
in the case of early-types). Among the ETGs, we find that the D= (4000) and HX parameters
indicate a smooth transition between the subpopulations. In particular, for the SF-ETGs, we
detect a significant difference between field and cluster galaxies, as a function of stellar mass,
for objects with Log "∗/M⊙ > 10.5. Analyzing the color gradient, the results point toward a
picture where field galaxies are more likely to follow the monolithic scenario, while the cluster
galaxies the hierarchical scenario. In particular, if we split the ETGs into lenticulars and ellip-
ticals, we find that the steeper color gradients are more common for the lenticulars. Finally, our
results indicate the need for galaxy pre-processing in smaller groups, before entering clusters.

Key words: galaxies: clusters: general – galaxies: clusters - galaxies: evolution - galaxies:
clusters: environment

1 INTRODUCTION

The existence of a bi-modality in different galaxy proper-
ties is well established in the past years (Strateva et al. 2001;
Kauffmann et al. 2003b; Baldry et al. 2004; Balogh et al. 2004;
Baldry et al. 2006). We can separate galaxies into two main cat-
egories: blue cloud galaxies (BC) – mostly blue star-forming spiral
galaxies; and red sequence objects (RS) — mainly red early-types
with no significant star-formation activity. Despite that, we have
found galaxies that defy the simplistic view that elliptical galax-
ies are red and dead while spiral galaxies are blue and lively (e.g.,
Wolf et al. 2009; Masters et al. 2010; Cortese 2012; Crossett et al.
2014; Lopes et al. 2016; Kuchner et al. 2017; Mahajan et al. 2018).
We have also established the existence of an intermediary region be-
tween the BC and the RS, called Green Valley (GV), that works as a
transitioning region between the BC and RS (Martin et al. 2007;
Salim et al. 2009; Mendez et al. 2011; Schawinski et al. 2014).
These two points together paint a clear scenario where galaxies
evolve from the BC to the RS as their life progresses. However, the

mechanisms responsible for this transformation are still open for
debate.

Dressler (1980) showed that there is a relation between the
galaxy morphology and the environment where the galaxy inhabits
(the Morphology-Density Relation). Early-type galaxies (ETGs; the
dominant morphology in the RS) show a preference for inhabiting
higher-density environments, and therefore are primarily found in
galaxy groups or clusters. On the contrary, late-type galaxies (LTGs;
the dominant morphology in the BC) show a preference for inhab-
iting lower-density environments, being mainly found in the field
or the outskirts of groups and clusters. Alongside that relation, we
also have evidence that the fraction of blue galaxies inside clusters
increases while the fraction of red galaxies decreases when we go
for higher redshift regimes (Butcher & Oemler 1984).

Different mechanisms impact a galaxy as it enters a cluster.
Those can be responsible for quenching the galaxy’s star forma-
tion or, at least, accelerating this process. One of those effects is
ram-pressure striping (RPS), where the gas inside the galaxy is re-
moved due to the pressure caused by the hot intracluster medium
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(Gunn & Gott 1972). Other ones are strangulation and starvation —
when the hot intracluster medium removes gas from the galaxy halo
and also prevents a new supply of gas from falling into the galaxy
(Larson et al. 1980). We also have events like mergers (when two
galaxies go into a fusion process and become one single entity —
Toomre & Toomre 1972), harassment (the accumulative effect of
several fly-by encounters of a galaxy with others — Moore et al.
1996, 1998), and tidal force from the gravitational potential well of
the cluster (capable of driving gas to the center of the galaxy and
triggering a center starburst and bar instabilities — Byrd & Valtonen
2001; Łokas et al. 2016). All of those processes are, in some way
or another, capable of altering the gas content of a galaxy inside or
entering the cluster.

On the other hand, one cannot ignore that galaxies also evolve
when found in isolation in the Universe. This isolated evolution
points toward a myriad of processes happening inside those galaxies.
This event falls under the umbrella of mass quenching. In lower mass
systems (M∗ < 109"⊙), stellar and AGN feedback are capable
of heating and, in some cases, even removing galactic gas (e.g.,
Ponman et al. 1999), while for higher mass systems, the importance
of stellar feedback decreases, but the AGN one is still very important
(Larson 1974; Dalla Vecchia & Schaye 2008; Croton et al. 2006;
Fabian 2012).

Several studies show that mass quenching and environmental
quenching have distinct effects on different galaxy types. Accord-
ing to Peng et al. (2010), satellite galaxies are more likely to be
quenched by environmental action, whereas central galaxies are
more likely to be quenched by mass-related effects.

It is not an easy task to separate the influence of internal and ex-
ternal mechanisms in galaxy evolution. Besides showing that mass
and environmental quenching have a distinct impact on different
types of galaxies, Peng et al. (2010) also verified that environmen-
tal quenching acts independently of the mass and vice-versa.

A clear evidence of the cluster influence in galaxy evolution is
presented by Jaffé et al. (2015). The authors analyzed galaxies of the
relaxed cluster Abell 963 (z = 0.203) observed with the Blind Ultra
Deep HI Environmental Survey (BUDHIES). They showed that
galaxies lose their gas content, down to the BUDHIES detection
limit, in their first passage into the cluster center. The authors also
encounter a significant fraction of galaxies that arrive at the cluster
already without gas content. This last result raises the question of
the role of the cluster in the gas removal of those galaxies.

In the present work, we try to shed some light on the role of
clusters in galaxy quenching, investigating the properties of different
galaxy populations and at different locations within clusters. We
focus on the comparison of transitional galaxies - such as the star-
forming spheroids and red discs - to the more regular populations.
That is done in different locations in the projected phase space
diagram. We also investigate possible dependencies to the cluster’s
dynamical state and compare the cluster results to what is found in
the field.

The paper is organized as follows: In §2, we introduce our data,
describing the galaxy morphological and star-formation activity
classification, as well as the cluster dynamical state, while in §3, we
show our results. In§4, we have a discussion of the main results and
our conclusions. The cosmology assumed in this work is Ωm = 0.3,
Ω_ = 0.7, and H0 = 100 h km B−1 Mpc−1, with h set to 0.7.

2 DATA

In this work, we consider galaxies from two very differ-
ent environments, as we have a sample of cluster galaxies and
one of field objects. The cluster sample is a combination of ob-
jects selected in different wavelengths. We have clusters from the
supplement version of the Northern Sky Optical Cluster Survey
(NoSOCS, Lopes et al. 2004, 2009a), the Cluster Infall Regions in
the SDSS (CIRS, Rines & Diaferio 2006), the HIghest X-ray FLUx
Galaxy Cluster Sample (HIFLUGCS, Reiprich & Böhringer 2002;
Andrade-Santos et al. 2017), the Planck Early Sunyaev-Zel’Dovich
(ESZ, Planck Collaboration et al. 2011) and the SPIDERS catalog
(Kirkpatrick et al. 2021).

The NoSOCS clusters comprise the only optically selected cat-
alog of those listed above. HIFLUGCS is an X-ray cluster catalog.
The CIRS and SPIDERS samples are composed of X-ray selected
clusters, with SDSS spectroscopic data. The latter is actually based
on an extensive follow-up effort of SDSS-IV. The Planck ESZ cat-
alog consists of clusters selected through the Sunyaev-Zel’Dovich
effect. All the clusters we use in the current work are within the
SDSS DR7 spectroscopic footprint, so that we can uniformly derive
cluster properties for these systems. We have previously worked
with the NoSOCS+CIRS clusters in Lopes et al. (2009a,b, 2014,
2016, 2017) and Ribeiro et al. (2013). In Lopes et al. (2018), we
compared substructure estimates and BCG properties of those clus-
ters to the ones from the HIFLUGCS and Planck ESZ lists (as
provided by Andrade-Santos et al. 2017). In the current paper, we
combined all these catalogs with the SPIDERS sample. Our goal
is to minimize possible biases due to different selection techniques
and wavelengths. One bias example is related to the substructure
fraction, discussed in Andrade-Santos et al. (2017) and Lopes et al.
(2018), that can be found when comparing X-ray and SZ selected
samples (also seen when comparing to optically selected systems).
However, in order to have a more uniform data set we only consider
systems at I ≤ 0.10, containing at least 10 members within R200
and with LOG M200/"⊙ ≥ 13.5 (membership, R200 and M200
estimates are explained below). Doing so, we are able to work with
a complete spectroscopic sample from the SDSS DR7 main sample
and derive reliable estimates of membership and cluster physical
parameters.

Figure 1 shows the distribution of Log M200 for each cluster
sample mentioned in the previous paragraph. The number of ob-
jects with (dashed line) or without (solid line) substructure is also
indicated. The distributions are for the original data sets, before
we check for duplicates and remove them (see below), but we do
consider the redshift and mass cuts described above (I ≤ 0.10 and
LOG M200/"⊙ ≥ 13.5). This figure shows that the combination of
the samples is an important step towards a more complete distribu-
tion according to the cluster mass. We are also able to mitigate the
impact of cluster catalogs heavily affected by substructure (such as
the Planck ESZ list). Note that systems with substructure generally
have higher masses in comparison to the more regular clusters, a
result consistent to the findings of Ribeiro et al. (2011).

All the clusters in our sample have the same redshift limits
and had a minimum number of member galaxies and cluster mass
imposed. However, the main factor that could still affect our re-
sults is the cluster mass cut, as we also consider groups, or low
mass clusters. We verified that applying a higher mass cut (at LOG
M200/"⊙ = 14, instead of 13.5) do not affect our main results. For
instance, the fractions of the galaxy populations displayed in Table 1
(see below) do not show a large variation. Note also, that the fraction
of all galaxies within the groups (LOG M200/"⊙ < 14) is small
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Figure 1. The distribution of Log M200 for the cluster samples considered for the present work. In the top left we show the NoSOCS+CIRS clusters, in the
top right the HIFLUGCS objects are displayed, while in the bottom we have the Planck ESZ (left) and SPIDERS (right) samples. The distributions are for
the original data sets, before we check for duplicates and remove them, but we do consider the redshift and mass cuts described above (I ≤ 0.10 and LOG
M200/"⊙ ≥ 13.5). On each panel, we display objects with no substructure in red (solid lines) and those with substructure in blue (dashed lines). The number
of systems with or without substructure is also listed in the panels.

(23%). Hence, we decided to keep the analysis with all systems in
our sample, as described above (with LOG M200/"⊙ ≥ 13.5).

For each cluster from the above catalogs, we used SDSS-DR7
photometric and spectroscopic data to select members (and exclude
interlopers), estimate the velocity dispersion (f2;), physical radius
(R500 and R200) and mass (M500 and M200).

As in Lopes et al. (2009a) we select members and exclude in-
terlopers after applying the shifting gapper technique (Fadda et al.
1996) to all galaxies with available redshifts around each clus-
ter. We only use the members within 2.5 h−1 Mpc to derive an
initial estimate of the velocity dispersion (f2;). Differently from
what we did in previous works when we estimated physical radius
and cluster masses from a virial analysis (following the approach
of Girardi et al. 1998), we now follow the procedure described in
Ferragamo et al. (2020). First, we apply the corrections proposed
by Ferragamo et al. (2020) to the velocity dispersion estimate (ini-
tially derived within 2.5 h−1 Mpc). Next, we obtain an estimate

of M200 adopting the equation 1 (listed below) of Ferragamo et al.
(2020) (also see Munari et al. 2013). The corrections considered by
Ferragamo et al. (2020) to the mass estimate are also employed.

f1D

km s−1
= �

[

ℎ(I)"200

1015 M⊙

] U

, (1)

where � is 1777.0 km s−1 and U = 0.364.
R200 is assumed to be the radius at which the averaged

mass density reached 200 times the critical mass density of the
Universe at redshift I. Hence, considering the mass "200 =

(4c/3)200d2 (I)'3
200 is the total mass within R200, we can derive

an estimate of R200 from the above mass estimate. We then obtain a
final mass estimate, but now considering only members within R200
(instead of 2.5 h−1 Mpc). Having this updated member list we esti-
mate again f2; and the mass, using equation 1 of Ferragamo et al.
(2020); Munari et al. (2013). The corrections from Ferragamo et al.
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(2020) are again applied both to f2; and M200 . R500 and M500
estimates are derived after assuming a NFW profile and interpo-
lating to the appropriate radius. For more details on the estimates
above, we refer the reader to Lopes et al. (2009a, 2014, 2018) and
Ferragamo et al. (2020).

Next, we eliminate common clusters from the different cata-
logs, arriving at a cluster sample with 231 objects. They are between
0.018 ≤ I ≤ 0.100, and have 13.5 ≤ LOG M200/"⊙ ≤ 15.13. In
order to keep a cluster, we also impose a minimum number of
10 members within R200. The upper redshift limit (I = 0.100)
corresponds to the completeness limit of the SDSS main spec-
troscopic sample, limited at A

?4CA>
A = 17.77. That is translated

to an absolute magnitude limit of "A ∼ "∗ + 1 = −20.58. We
call galaxies more luminous than this absolute magnitude limit
as bright, which are the ones studied in the current work. In to-
tal, we have 3899 bright galaxies ("A ≤ "∗ + 1), inside R200 of
those 231 galaxy clusters, ranging between 0.015 ≤ I ≤ 0.107
and 109.0 ≤ "∗/"⊙ ≤ 1012. For all those galaxies, we have
morphological information from Domínguez Sánchez et al. (2018,
hereafter DS18) or Huertas-Company et al. (2011, hereafter HC11);
see §2.1. Although most of our work based on the cluster sample
considers only galaxies within R200, we still have member galaxies
up to 5×'200 (approximately the turn-around radius). In total, we
have 9931 members within 5×'200 (which are used in Fig. 11).
It’s important to notice that our sample includes low-mass galaxy
systems (M200 < 1 × 1014), which should be referred to as groups.
However, for ease of reading, we decided to call, in this paper, all
the objects in our sample as clusters. Groups correspond to ∼ 40%
of our sample, containing ∼ 23% of all the galaxies in our cluster

sample.

The field sample was selected by comparing the photometric
and spectroscopic SDSS-DR7 data with a sample of about 15, 000
groups and clusters provided by Gal et al. (2009), combined with
our cluster sample described above. To select field galaxies, we
excluded any galaxy with a distance smaller than 4 Mpc and with
ΔI < 0.06 of any object from the combined cluster catalog. To
ensure a lower level of contamination from clusters and groups that
eventually are not present in the cluster comparison sample, we
also remove galaxies with a local galaxy density LOG(Σ5) < −0.5.
The parameter Σ5 (described in La Barbera et al. 2010; Lopes et al.
2014, 2017) is given by 5/c32

= , where 3= was selected to be the
projected distance of the fifth-nearest galaxy with maximum ve-
locity offset of 1, 000 :<B−1. The total number of field galaxies
selected according to the criteria above is 55, 842 sources. Our
sample was reduced to ∼ 30, 000 galaxies after we impose red-
shift (0.01 ≤ I ≤ 0.11), stellar mass (109.0 ≤ "∗/"⊙ ≤ 1012)
and luminosity cuts ("A < "∗ + 1). Note that we also require the
galaxies to have morphological information provided by DS18 (or
HC11). Finally, we construct a sample of field galaxies that follows
the mass distribution of the cluster sample. To do so, we select a
random sample (of 3899 galaxies) from the 30, 000 field galaxies,
forcing it to have the same pattern of stellar mass distribution that
the cluster sample has. We then apply a Kolmogorov–Smirnov (KS)
and Anderson-Darling (AD) test to check if the samples are statis-
tically similar. In this case, we keep the selection and repeat the
process, removing the already selected galaxies from the 30, 000
pile. We repeat the process until the KS and AD return that the sam-
ple is statistically distinct. In the end, we retain the largest sample
of field galaxies that has a similar stellar mass distribution to the
cluster sample, resulting in 11, 460 field objects. The ? − E0;D4 is
0.13 and the AD test has the confidence of 99.5%.

Cluster sample
Passive GV SF GV+SF Total

ETG 2432 77 56 133 2565
(94.81%) (3.00%) (2.18%) (5.18%) (65.79%)

Ellipticals (E) 2003 39 24 63 2066
Lenticulars (S0) 429 38 32 70 499

LTG 827 116 391 507 1334
(61.99%) (8.7%) (29.31%) (38.01%) (34.21%)

Total 3259 193 447 640 3899
(83.58%) (4.95%) (11.46%) (16.41%) (100%)

Field sample
Passive GV SF GV+SF Total

ETG 4385 378 715 1093 5478
(80.05%) (6.90%) (13.05%) (19.95%) (47.80%)

Ellipticals (E) 3461 188 239 427 3888
Lenticulars (S0) 924 190 476 666 1590

LTG 1596 827 3559 4386 5982
(26.68%) (13.82%) (59.50%) (73.32%) (52.20%)

Total 4386 1205 4274 4274 11460
(52.19%) (10.51%) (37.29%) (47.81%) (100%)

Table 1. Morphological division for the galaxy cluster sample (top table)
and for the field sample (bottom table). We also show the division between
passive, green-valley, and star-forming galaxies (and also a combination of
the GV and SF populations). This separation was made using eqs. 1 and 2
(see §2.2 for more details).

2.1 Galaxy morphology

Galaxy morphology was mainly extracted from DS18. They
adopt a deep learning technique to classify galaxies from the
sample, described at Meert et al. (2015, 2016). This data set was
constructed from the SDSS-DR7 spectroscopic main sample, tak-
ing into account redshift (0.005 < I < 1.0) and magnitude
(14 < <

?4CA>
A < 17.77) cuts. DS18 provides morphological in-

formation for about 670,000 galaxies. The Convolutional Neural
Network was trained to obtain the T-type values and the probability
of the galaxies containing certain features like a disc, inclination
(face/edge-on), bar signature, bulge prominence, roundness, and
mergers. They also provide the probability of a galaxy having a
lenticular morphology.

To create a robust classification, we combine the T-type in-
formation and the probabilities provided by DS18 to have a mor-
phological classification for elliptical and lenticular galaxies. We
proceed as below:

• Elliptical (E):

– T-type < −1.5
– P1D;64 > 0.6
– P38B: < 0.8

• Lenticular (S0):

– −1.5 < T-type < 0.0
– P(0 > 0.6
– P38B: < 0.8

We combined E and S0 galaxies into one class, which we
named Early-type Galaxies (ETGs). Objects that are not ETGs are
called Late-type Galaxies (LTGs). When morphological informa-
tion was not obtainable through DS18, we supplemented the data
with the classification provided by HC11. HC11 provided mor-
phological information gathered for the SDSS-DR7 spectroscopic
sample (up to I = 0.25) via a Machine Learning technique (in their
case, using a Support Vector Machine). HC11 gives probabilistic
information to classify galaxies as ellipticals, early Spirals (ab), and
late Spirals cd. From the 11460 field galaxies, only 13 (∼ 0.1%)
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Figure 2. Stellar mass vs. SFR diagram. In red, we have the plot for the cluster sample and in blue we have the field sample. In both, the dashed lines are
equations (1) and (2) of Trussler et al. 2020 (equations 2 and 3 here), delineating the passive and the star-forming regions. This figure already gives a good
indication of the predominance of passive galaxies in the cluster sample, and the bi-modality observed for the field sample in Table 1.

were absent from the DS18 sample and required HC11 informa-
tion. From the 3899 cluster galaxies, only 38 (∼ 1%) do not have
DS18 information and were classified using HC11 data. For these
51 sources, we utilize the HC11 as follows:

• E:

– Prob(E) > 0.8

• S0:

– Prob(S0) > 0.8

We added the morphological classification from HC11 as it is
based on a similar data set (also built from the SDSS-DR7 spectro-
scopic main sample) and it is a classification provided by the same
research group as in DS18. Nonetheless, it is important to mention
that we consider less than 1% of galaxies from HC11, and removing
those galaxies does not affect our main conclusions.

2.2 Separation of passive and star-forming galaxies

Galaxy properties such as star formation rate (SFR) and stellar
masses were calculated by the Max Planck Institute for Astrophysics
and the Johns Hopkins University group (MPA-JHU), following
the methods of Brinchmann et al. (2004), Kauffmann et al. (2003a),
and Tremonti et al. (2004). The MPA-JHU sample provides this
information for over 1, 800, 000 galaxies up to I ∼ 0.3 for the
SDSS-DR8 release.

Figure 2 shows, in the left panels, the M∗ vs. SFR plane for our
cluster sample (top) and field sample (bottom). The dashed lines in
each of the panels are the visual construction of the equations (1)
and (2) of Trussler et al. (2020) (equations 2 and 3 here). Equation

2 gives the boundary between star-forming (SF) and green-valley
(GV) galaxies, and Equation 3 gives the boundary between GV and
passive (Pas) galaxies:

;>6((�') = 0.70 ;>6("∗) − 7.52 (2)

;>6((�') = 0.70 ;>6("∗) − 8.02 (3)

Using the above equations, we separate our data sets (cluster
and field galaxies) in different subpopulations, regarding morphol-
ogy and star-formation activity. Table 1 summarizes the result of
this separation.

To illustrate the impact of environment and morphology on the
star formation activity, we also display in Figure 2 the stellar mass
(central panels) and SFR distributions (right panels) of ETGs (red
lines) and LTGs (blue lines). The distributions for all galaxies are
shown by the black-filled histograms. As before, the cluster results
are in the top panels, while the field results are shown at the bottom.
The LTG distributions show fewer massive galaxies (in comparison
to the ETGs), both for clusters and the field. However, this difference
does not look very large. Despite that, the SFR distributions of LTGs
are remarkably different from the ETGs, and those differences are
enhanced with the environment (if we compare the cluster and field
results). Note the LTG distribution of SFR is very different between
the cluster and field datasets. We can also detect an increase of SF
ETGs when comparing the cluster and field distributions.
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Passive GV SF GV+SF Total

Relaxed cluster sample
ETG: 1864 62 45 107 1971

(94.17%) (3.15%) (2.28%) (5.57%) (68.49%)
Ellipticals 1542 29 21 50
Lenticulars 322 33 24 57

LTG: 544 89 274 363 907
(59.98%) (9.81%) (30.21%) (40.02%) (31.51$)

Non-relaxed cluster sample
ETG: 568 15 11 26 594

(95.62%) (2.53%) (1.85%) (4.37%) (58.18%)
Ellipticals 461 10 3 13
Lenticulars 107 5 8 13

LTG: 283 27 117 144 427
(66.28%) (6.32%) (27.40%) (33.72%) (41.48%)

Total 3259 193 447 640 3899
(83.58%) (4.95%) (11.46%) (16.41%)

Table 2. Division for the 3899 bright galaxies ("A ≤ " ∗ +1) in our cluster
sample according to the cluster dynamical state, galaxy morphology, and
star-formation activity.

2.3 Cluster dynamical state

To investigate the possible impact of the cluster’s dynamical
state on the galaxy properties, we also separated the clusters ac-
cording to their degree of substructures. Objects with no significant
substructure are named relaxed, while the others (with strong signs
of substructure) are named non-relaxed. To perform this classifica-
tion, we applied the Dressler & Shectman test (Dressler & Shectman
1988). For more details, we refer the reader to Pinkney et al. (1996);
Lopes et al. (2006, 2009b, 2018).

In our cluster sample, within R200, we have a total of 2878
galaxies in 197 relaxed clusters and 1021 galaxies in 34 non-
relaxed clusters. A summary of the different galaxy populations
found within the relaxed and disturbed systems is given in Table 2.

3 RESULTS

The environmental dependence of galaxy populations is clear
from Table 1. As expected, the ETGs dominate within clusters (∼
66% of all galaxies). Different results are found for the field galaxies.
LTGs comprise ∼ 52% of all objects in this environment. As for
the star-formation activity, we have the following. Inside clusters,
the ETGs are overwhelmingly dominated by passive galaxies (∼
95%). In the field, we found this fraction to be reduced to ∼ 80%.
For the LTGs, we have a similar trend, but with different values.
Within clusters, we found that ∼ 62% of all LTGs are passive,
while in the field, this fraction decreases to ∼ 27%. This behavior
is a strong indication of the environmental influence, despite the
morphological classification. In order to have further information
about these results, we investigated the location of the galaxies
within the projected phase-space (PPS) diagram. We also compare
the cumulative distributions of different galaxy properties.

Figure 3. Projected phase-space diagrams for ETGs in relaxed clusters
(left side panels) and non-relaxed clusters (right side panels). Rhee et al.
(2017) regions are delineated by the dashed black lines, and as mentioned in
Rhee et al. (2017) is an indication of different times since infall. From top
to bottom, we show passive (Pas), green valley (GV), star-forming (SF), and
a combination of GV and SF galaxies, respectively.
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Figure 4. Projected phase-space diagrams for LTGs in relaxed clusters
(left side panels) and non-relaxed clusters (right side panels). Rhee et al.
(2017) regions are delineated by the dashed black lines, and as mentioned in
Rhee et al. (2017) is an indication of different times since infall. From top
to bottom, we show passive (Pas), green valley (GV), star-forming (SF) and
a combination of GV and SF galaxies, respectively.

3.1 Location in the Phase-Space Diagram and the impact of

the dynamical state

As discussed by many authors (e.g., Mahajan et al.
2011, Oman et al. 2013, Rhee et al. 2017, Pasquali et al. 2019,
Pasquali et al. 2019), the projected phase-Space diagram (PPS) can
be utilized as a good indicator of the cluster assembly process.
Hence, we can use it to estimate how long a galaxy is inside a clus-
ter. Based on a cosmological hydrodynamic simulation, Rhee et al.
(2017) verified that although the positions of galaxies in the PPS
are not as precise as would be the case for the real phase-space
diagram, it is still possible and reliable to utilize the PPS as an indi-
cator of the infall time. The authors created a PPS from mock data
and divided the diagram into five regions (A to E). These regions
are divided to be dominated by four major groups: first infallers
(A), recent infallers (B, C), intermediate infallers (D), and ancient
infallers (E). Fig. 6 of Rhee et al. (2017) gives good visual support
to the understanding of these regions. Each one of these categories
has a time interval for the time since infall:

• First Infallers (A): Not fallen yet
• Recent Infallers (B and C): 0.00 < C8= 5 < 3.63�HA

• Intermediate Infallers (D): 3.63 < C8= 5 < 6.45�HA

• Ancient Infallers (E): 6.45 < C8= 5 < 13.7�HA

In Figures 3 and 4, we show the PPS of our data, for ETGs and
LTGs, respectively. The data is divided into relaxed (left side panels)
and non-relaxed clusters (right side panels), and also subdivided into
the subpopulations present for each morphology: Pas (first row), GV
(second row), and SF (third row). We further added a combination of
GV and SF galaxies (fourth row). The dashed lines in each diagram
delimit the regions introduced by Rhee et al. (2017).

Figure 3 shows the differences in the distributions of ETGs in
the PPS as a function of their star-formation activity. Pas-ETGs have
a higher concentration in the E region (dominated by galaxies in the
ancient infall time interval). On the contrary, the GV-ETGs and SF-
ETGs tend to avoid this region. These galaxies are predominantly
found in the regions labeled C and D (dominated by galaxies in
the recent/intermediate infall time interval). The tendency is also
present when we compare the Pas-ETGs with the combined sample
of GV+SF-ETGs.

The distinction present in Figure 3 indicates that Pas and GV
and/or SF-ETGs inhabit different regions of the PPS, thus hav-
ing distinct times since infall: shorter periods for GV/SF-ETGs in
comparison to the Pas-ETGs counterparts. As those galaxies have
the same morphology but different infall times and different levels
of star-formation activity, we can formulate some hypotheses: (i)
the GV/SF-ETGs enter the clusters as such, and we are witness-
ing their residual star-formation; (ii) the GV/SF-ETGs are going
through a new star-formation event, bringing them back from the
passive phase − rejuvenation process that could be triggered by
gas infusion (Yi et al. 2005; Marino et al. 2009; Kaviraj et al. 2009,
2011).

Another aspect worth noticing here is the apparent absence of
similar behavior for the LTGs in Figure 4. There is a large spread in
the distribution of LTGs in the PPS for the three subpopulations (Pas,
GV, and SF). The regions they occupy are similar (mainly C and
D), pointing to similar infall times. It is also interesting to note that
these regions are similar to those occupied by the GV and SF-ETGs.
That could indicate the GV and SF ETGs and LTGs could be subject
to similar environmental effects, despite their morphology. On the
other hand, the similar location of the passive and GV/SF-LTGs
may indicate that the former did not have time yet to go through a
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Comparison between Relaxed vs. Non-relaxed samples

ETGs

M∗ Σ5 D= (4000) HX sSFR ∇(g - i)
PasA4;0G vs. Pas=>=−A4;0G 0.1111 0.3895 0.0773 0.1412 0.5596 0.0095
GVA4;0G vs. GV=>=−A4;0G 0.8694 0.6954 0.8962 0.6241 0.4852 0.6167
SFA4;0G vs. SF=>=−A4;0G 0.4086 0.5502 0.7534 0.3111 0.3588 0.8341
GV+SFA4;0G EB.�+ +(�=>=−A4;0G 0.7525 0.6059 0.7130 3.5394 − 5 0.8588 0.8218

LTGs

M∗ Σ5 D= (4000) HX sSFR ∇(g - i)
PasA4;0G vs. Pas=>=−A4;0G 0.4322 0.6392 0.7693 0.081 0.5906 0.0343
GVA4;0G vs. GV=>=−A4;0G 0.0415 0.6340 0.5264 0.7919 0.3132 0.4825
SFA4;0G vs. SF=>=−A4;0G 0.2021 0.0446 0.9502 0.5258 0.9744 0.1652
GV+SFA4;0G EB.�+ +(�=>=−A4;0G 8.8394 − 3 0.080 0.3160 6.6254 − 5 0.4629 0.1711

Comparison between Cluster vs. Field samples

ETGs

M∗ Σ5 D= (4000) HX sSFR ∇(g - i)
Pas2;DBC4A vs. Pas 5 84;3 2.9784 − 6 1.1634 − 10 6.6614 − 15 1.1104 − 16 1.1104 − 16 4.2194 − 15
GV2;DBC4A vs. GV 5 84;3 0.078 0.000 0.4692 1.3314 − 4 0.9039 8.523 − 8
SF2;DBC4A vs. SF 5 84;3 0.2319 1.1104 − 16 0.0554 0.0159 0.073 0.0132
GV+SF2;DBC4A EB.�+ +(� 5 84;3 0.087 3.3314 − 16 4.8064 − 6 1.4894 − 20 1.5214 − 7 4.9224 − 8

LTGs

M∗ Σ5 D= (4000) HX sSFR ∇(g - i)
Pas2;DBC4A vs. Pas 5 84;3 1.2284 − 6 2.1094 − 15 1.6314 − 6 2.1094 − 15 2.1094 − 15 5.8154 − 38
GV2;DBC4A vs. GV 5 84;3 7.7414 − 5 9.9924 − 16 0.012 0.6756 0.014 2.7814 − 7
SF2;DBC4A vs. SF 5 84;3 5.5514 − 16 5.5514 − 16 5.1454 − 6 0.016 8.9784 − 5 7.9234 − 10
GV+SF2;DBC4A EB.�+ +(� 5 84;3 2.4424 − 15 3.3314 − 16 7.4884 − 4 1.1964 − 6 0.003 4.1084 − 15

Table 3. P-values for the KS tests comparing our different sub-samples. The first batch of tests compares galaxies inside relaxed clusters with galaxies inside
non-relaxed clusters (comparing stellar mass, the local galaxy density (Σ5), 4000 Å break, HX, specific star formation rate, and color gradient). The second batch
of tests compares galaxies in the combined cluster sample (relaxed+non-relaxed clusters) with galaxies in the field. Consider that ≤ 0.05 the null hypothesis
is refuted with 2f significance (distinguishable sample − red background), and for p-value, > 0.05 the null hypothesis is accepted with 2f significance

(indistinguishable sample − green background).

morphological transformation but may have already quenched their
star formation. Note that although the GV and SF-LTG subpopula-
tions occupy similar regions in the PPS to the Pas-LTGs, they do
have small distinctions. For instance, we find different fractions of
Pas/GV/SF-LTGs in region E. In the case of relaxed clusters, the
Pas-LTGs have 35.85% ± 2.06% of its galaxies inside region E,
while the SF-LTGs have 24.82% ± 2.61%. For the non-relaxed
clusters, the scenario is similar, Pas-LTGs have 33.92% ± 2.81%,
and the SF-LTGs have 23.08% ± 3.90%.

Besides the location in the PPS in Figures 3 and 4, in Figure 5
we compare the local density parameter (Σ5 ). We do so to investigate
if the cluster action in the GV and SF-ETGs is a more local influ-
ence than a global one. For ETGs in clusters, the passive galaxies
inhabit the same environment as the GV counterpart, while being
statistically distinct from the SF counterpart. But, the GV and the
SF seem to inhabit the same environment. Pas-LTGs occupy regions
with higher local densities than SF-LTGs and GV+SF-LTGs. For
the Pas-LTGs and GV-LTGs, the distinctions are not so strong, with
the KS and AD tests very close to the confidence level. That could
indicate that these passive objects may have been inside the clusters
for slightly longer periods compared to the GV and SF galaxies, es-
pecially for ETGs. Another possibility is that these passive galaxies
have been already pre-processed in less massive groups before in-
falling into the clusters (Jaffé et al. 2012, 2015; Haines et al. 2015;
Mahajan 2013).

Despite that, for the cluster sample, the results point towards

a transition of environments where the GV galaxies are in a local
environment very similar to the Pas ones (but not quite identical
since the KS test and AD test give values close to the confirmation
of the null hypothesis), and the SF galaxies are located in a less
dense environment than both of them. Figures 3 and 4 already hint
in this direction by showing that Pas-ETGs preferentially inhabit
the central regions of the cluster more than their SF counterparts,
where the local density is higher than the outer parts of the cluster.

Having established that the infall time of the passive galaxies
(even more for Pas-ETGs, but also true for Pas-LTGs) is different
from the other populations and that there may be small differences
among the latter, we then proceed to investigate the distributions
of different galaxies and environmental properties. To do so, we
compare different properties by applying the Kolmogorov-Smirnov
(KS) test to our sample (Table 3). The ? − E0;D4 obtained by
comparing the different subpopulations in the relaxed and non-
relaxed samples (displayed in Table 3) indicates that the dynamical
state of the cluster bears no significant influence on the properties
studied in this work (with few exceptions that can be observed in
the Table). This result is also supported by Table 2. Although Table
2 shows a small discrepancy in the GV and SF fractions of galaxies
in relaxed and non-relaxed clusters, it is not a major difference, even
more, because the number of galaxies in the non-relaxed clusters is
much smaller than available in the relaxed sample. The indication
provided by the p-values obtained with the KS test points to a
scenario where, if the cluster environment influences the galaxy
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Figure 5. Cumulative Distribution Functions of the local galaxy density (Σ5) comparing the cluster subpopulations of ETGs and LTGs. In the first row of
panels, the cluster ETGs are the ones being compared. In this instance, red is Pas-ETGs, green is GV-ETGs, orange is SF-ETGs and salmon is GV+SF-ETGs.
In the second row of panels, cluster LTGs are the ones being compared. In this instance, in blue are the Pas-LTGs, in green are the GV-LTGs, in purple are the
SF-LTGs, and finally, in salmon the combined GV+SF-LTGs. Since the p-value for the local density parameter in Table 1 shows that the distribution of log
(Σ5) is drawn from the same distribution for all subpopulations in the relaxed and non-relaxed samples (with an exception for SF-LTGs), the present plot was
made by combining the subpopulation from the relaxed sample with their counterpart in the non-relaxed sample. The numbers in the top part of the CDF plots
are the p-values for those properties (see Table 3).

evolution, the conditions for this influence exist independent of the
cluster dynamical state.

In order to give more confidence to this result, we also made
the same comparison shown in Table 3 using the Anderson-Darling
test. The Anderson-Darling test is a variation of the KS test that
gives more weight to the tails of the distribution than the KS test
(more centrally focused). The results were almost identical, at a 5%
significance level, to the ones obtained from the KS test. For the
ETGs, the only divergence was for the D= (4000) when comparing
Pas-ETGs in the relaxed and non-relaxed cluster where the KS
test gives a p-value for the samples being drawn from the same
distribution, but the AD test does not. For the LTGs, the discrepancy
is present in three cases. First, in the comparison for stellar mass
between GV-LTGs in relaxed and non-relaxed samples, the KS test
rejects the null hypothesis, but the AD test accepts it. The second
discrepancy for LTGs is for the local density for the comparison
between GV+SF-LTGs in relaxed and non-relaxed, where the KS
test accepts the null hypothesis, but the AD test does not. The third
discrepancy in LTGs is for the color gradient in the comparison
between Pas-LTGs in relaxed and non-relaxed samples, where the
KS rejects the null hypothesis and the AD test accepts.

Figure 6 shows the distribution of stellar mass for the cluster
sample in the top panels (considering different subpopulations of
ETGs). Since the KS test indicates that the samples are statistically
similar, we combine both relaxed and non-relaxed samples to com-
pare the mass distribution of each one of the subpopulations. For
the cluster sample, we can see that the GV and SF galaxies (also
GV+SF galaxies) are systematically less massive than their passive
counterparts.

Two caveats should be considered when looking at the compar-
isons in Figures 3 to 6. The first is the large time intervals for each
of the Rhee et al. (2017) regions. Naturally, a finer tune in those re-
gions would give a better grasp of the galaxies’ infall intervals and
their preferred locations in the PPS as a function of morphology and
star-formation activity. The second is that when we compare galax-
ies in clusters with different dynamical states, we have to be careful
since in a few cases we have just a few objects (especially for the
GV and SF-ETGs in non-relaxed clusters), leading to small statistic
confidence. In this sense, it would also be possible that we are only
ruling out only large distinctions, not the subtle ones. Taking these

caveats into account, it seems that the positioning of different galaxy
populations in the PPS could point to small differences between the
relaxed and non-relaxed clusters, but a larger sample is needed in
order to reach definitive conclusions.

To further investigate the influence of the cluster environment
in the galaxy evolution, in the next section, we compare the cluster
and field samples.

3.2 The impact of the global environment – cluster vs. field

On the contrary direction from the comparison between the
relaxed and non-relaxed environments, the comparison between
cluster and field samples bears significant differences (also Table
3. When we compare the galaxies in the field with those in the
combined cluster sample (a combination of the relaxed and non-
relaxed samples), the great majority of the p-values for the KS test
have values below 0.05 (displayed in the bottom of Table 3). There
are some cases where the p-value is > 0.05, and it is important to
highlight them − the stellar mass for GV, SF, and GV+SF-ETGs
accept the null hypothesis, the same occurs for the D= (4000) and
sSFR for the GV and SF-ETGs comparisons. Overall, field and
cluster samples are distinguishable between themselves. We applied
the Anderson-Darling test to these samples to confirm the results
obtained by the KS test. At a 5% significance level, the great majority
of the KS tests are confirmed by the AD test, with four discrepancies
for the ETGs and one for the LTGs. The discrepancies for the ETGs
occur for M∗, both for the GV-ETGs and the GV+SF-ETGs, as well
as for D= (4000) and sSFR in the case of the SF-ETGs. For the LTGs,
the discrepancy occurs for the sSFR of GV galaxies. While the KS
test refuses the null hypothesis, the AD test accepts it. Besides
the summary displayed in Table 3, we also show the comparison of
some properties between the field and cluster populations in Figures
7 and 8.

Of the properties shown in Table 3, two of them give us a
clue about the star-formation history of the galaxies. They are
the D= (4000) and HX parameters. In this case, we are using the
MPA-JHU DR7 (Kauffmann et al. 2003a) calculation of the HX

Lick index, and the D= (4000) (also from the MPA-JHU catalog),
considering the Balogh et al. (1999) definition. In both cases, the
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Figure 6. Cumulative distribution function for stellar masses. The top panels compare the cluster ETGs (continuous lines), while the bottom panels compare
the field ETGs (dashed lines). In both cases, red tones correspond to Pas-ETGs, green tones are GV-ETGs, orange tones are SF-ETGs, and salmon tones the
combine GV+SF ETGs. The numbers in the top part of the CDF plots are the p-values for those properties (see Table 3).

calculation was done taking into account corrections for emission
lines. D= (4000) is a measurement of the 4000 Å break, while HX

is a measurement of the Balmer absorption. The first is related to
how long ago the galaxy stopped the star formation (a big break
indicates a longer time). This is the case since the break is created
due to photon absorption by metals in the stellar atmosphere, and
in hot massive stars, the metals are ionized, so the absorption does
not happen. The second, HX, measures bursts of star formation that
ended in an interval of 0.1− 1 �HA . After a star formation burst, the
galaxy’s light is dominated by O and B stars that have weak Balmer
absorption. Once their main sequence lifetime is completed, the
galaxy light becomes dominated by A-F stars, that have prominent
Balmer absorption. It is important to keep in mind that both in-
dexes depend on metallicity, but that is relevant only for old ages
(more than 109HA after the burst, Kauffmann et al. 2003a). The au-
thors also verified that when those indexes are used together, they
provide a powerful probe of the recent star formation history of a
galaxy. Hence, we can use both indexes to discriminate between
young and old stellar populations. Galaxies with D= (4000) < 1.55

and HX > 2.0 are characterized by young stellar populations, while
the opposite is true for old stellar populations (see Kauffmann et al.
2003b).

In Figure 7 we display the distributions of those two parameters
in the bottom panels, while at the top we show their variation with
stellar mass. The left panels contain the results regarding D= (4000),
while on the right we have the results for HX. The analysis is dis-
played for ETGs, classified as passive, GV, or SF, located in the field
and clusters. Independent of the environment, we can see a clear
variation from the SF to the Pas population, with the GV in the mid-
dle. That suggests the Pas ETGs stopped their star formation longer
ago, showing no signs of recent activity. The opposite is true for the
SF-ETGs, according to their D= (4000) and HX values. In between,
we have the GV population, with residual star formation. On what
regards the field vs cluster comparison, we can see that for the tran-
sitional galaxies (GV and SF ETGs) there is a small difference in
the D= (4000) values, but a significant offset in the HX vs M∗ plane.
That reinforces the scenario of strong(residual) recent activity for
the SF(GV) ETGs, which is reduced according to their global envi-
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Figure 7. D= (4000) vs. M∗ (top left panel) and � X vs. M∗ (top right panel) planes. The contour curves illustrate the cluster distribution. The dots are the
median value for the binned mass for clusters, while the triangles are the median value for the binned mass for the field sample. As can be seen, for fixed stellar
mass, the median values of D= (4000) (HX) for GV and SF galaxies are always lower (bigger) than for Pas. The same behavior for the SF in comparison to
GV is observed. In what regards the cluster vs. field comparison, small distinctions are observed in this plane. In the bottom panels, we show the Gaussian fit
for each of the distributions. The distribution shows clearly a distinction between the Pas, GV, and SF-ETGs. On the other hand, when comparing cluster vs.

field, for the D= (4000) the distinction is nonexistent for GV and SF-ETGs (but present for Pas-ETGs). While, for HX, they are all distinct from each other.
This result is given by the p-value of the KS test.

ronment. However, it is important to notice the field HX distributions
(bottom right panel, with no mass distinction) always show higher
values than the cluster ones. These results are confirmed by the KS-
test, (the p-values are listed on the right side of the bottom panel, or
in Table 3). Regarding the Pas ETG, although there is a significant
difference in the distributions in the two environments (field and
cluster), they are consistent with quenched galaxies, that stopped
their star formation long ago. And, as shown by Kauffmann et al.
(2003b), for older stellar populations, the metallicity starts to be an
important factor. So, for passive galaxies, it is difficult to know if

the distinction between the cluster and field samples is driven by
age or metallicity (or both).

Another important aspect we detect in the top panels of Figure 7
is the variation with stellar mass. As pointed out by Kauffmann et al.
(2003b), there is a strong dependence of D= (4000) and HX with
M∗, with a clear distinction at M∗ ∼ 3 × 1010 M⊙ . We see that is
true in our case, for all the populations shown. However, the effect
becomes stronger according to the population, being steeper for
the SF-ETGs, especially for HX. On what regards the environment,
we can see that for low mass (Log M∗/M⊙ < 10.5) SF-ETGs,
there is no environmental distinction. That appears for the higher

MNRAS 000, 1–17 (2022)



12 Brambila et al.

Figure 8. Distribution of ∇(6 − 8) for each of the subpopulations in the cluster (continuous lines) and field (dashed lines) samples. Red tones represent
Pas-ETGs, green tones GV-ETGs, and orange tones SF-ETGs. The numbers in the legend are the mean value of the Gaussian fit, while the top right numbers
are the p-values for the comparison between the cluster and field subpopulations. As can be easily seen, the color gradient distributions are different when we
compare Pas, GV, and SF ETGs between themselves, and also when we compare the cluster populations with their counterparts in the field.

Figure 9. Distributions of the color gradient for the ETGs, split into elliptical (thin black dashed lines) and S0 (thin gray dashed lines) galaxies. The colored
histograms represent the distribution for the whole sample. The top panels present the distribution for cluster ETGs, and the bottom panels present the
distribution for field ETGs. The vertical lines represent the median values (listed in all panels) of the Gaussian fit for each distribution.

mass galaxies. For the most massive SF-ETGs, we actually find that
cluster objects have no sign of recent activity (according to HX), but
that is not the case for the field counterparts.

We have also investigated the distributions of the color gradi-
ent (provided by the KIAS catalog − Choi et al. 2010), which gives
the color variation inside the galaxy. Although there is a degener-
acy between age and metallicity in regard to color, some authors

believe that the main driver of the color gradient is the metallic-
ity gradient inside the galaxy (e.g., Peletier et al. 1990; Saglia et al.
2000; Tamura et al. 2000; Tamura & Ohta 2000; Kobayashi 2004).
In any case, the nature of the formation of the color gradient is not
up for debate in the current work, as the important aspect here is
the existence of the color gradient per se. It is important because
we can use the color gradient as a proxy to identify the different
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Figure 10. Comparison of CDFs for Asymmetry and Smoothness for all subpopulations. As in previous figures, continuous lines represent cluster samples,
and dashed lines represent field galaxies. Pas-ETGs are in red (first column), SF-ETGs in orange (second column), GV-ETGs in green (third column), and
GV+SF-ETGs in salmon (fourth column). The top numbers show the p-value of the KS test and the statistic and critical value for the 95% confidence level for
the Anderson-Darling test (the null hypothesis is accepted when BC0CB < �E0;D4 ).

Figure 11. Star-forming fractions variations with clustercentric distance
(normalized by R200). The continuous black line shows the variation of the
overall fractions of star-forming galaxies without morphological distinction.
In this figure, we are considering as SF galaxies the combination of GV
and SF galaxies. The orange dashed curve only considers SF-ETGs, and the
purple dashed line displays the results for SF-LTGs. The gray square in the
extreme right part of the figure is the fraction for all star-forming galaxies in
the field. We have also indicated the field values for SF-ETGs and SF-LTGs,
with the orange and purple squares, respectively. The error bars indicate the
standard error for proportions.

types of formation and evolution regimes: monolithic vs. hierar-
chical. In a monolithic scenario, the potential well of the galaxy’s
central region acts as a retainer of gas. The accumulation of gas in
the inner part causes a greater enrichment in the region, leading to
a more negative gradient. While, in a hierarchical scenario, due to
the mixture and infusion of gas related to merger processes, there
is a dilution of the chemical content, causing a less steep gradient
(Tortora et al. 2010; Kobayashi 2004). In the case where the age is
the main factor in the formation of the color gradient in galaxies,
the scenario depicted above is still valid. The center of the galaxy

will be older than the outskirts in the monolithic scenario, and in
the hierarchical scenario, the infusion of new gas will lead to new
star-formation, equalizing the color gradient in the same manner we
observe in the case where metallicity is the main factor for the color
gradient formation.

Figure 8 displays the distribution of the color gradient for our
ETG sample. As in other figures, the continuous lines give the
distribution of cluster samples, while the dashed lines show the
distribution of field samples. The red tones represent the Pas-ETGs,
the green tones the GV-ETGs, and the orange tones the SF-ETGs.
This figure shows that GV and SF-ETGs have systematically more
negative values of ∇(6 − 8) than Pas-ETGs, for both environments.

From Figure 8 it is also possible to compare the different ETGs
subpopulations according to the environment, cluster vs. field. In
all cases, the distribution of ∇(6 − 8) for field galaxies displays
systematically more negative values than for cluster galaxies. This
result indicates that the environment in which galaxies inhabit acts as
a regulator of their evolutionary paths. Field ETGs are more likely to
experience monolithic evolution, while cluster ETGs probably have
their evolution explained by the hierarchical scenario. Of course, the
evolution probably does not follow exclusively one of the scenarios,
being more likely that the evolution of galaxies needs both of them
to explain all of their properties. However, the distinction in the
color gradient can indicate a higher likelihood that the galaxies in a
more recent past had been evolving monotonically or hierarchically.

The same trends demonstrated in Figure 8 for ETGs are ob-
served for LTGs. The comparison of ∇(g - i) between cluster and
field LTGs is displayed in Table 3. As for the ETGs, the GV and
SF-LTGs (and the combined sample) have more negative color gra-
dient values than Pas-LTGs. We also found that field LTGs have
more negative values than their cluster counterparts.

In Figure 9 we still show the ∇(g - i) distributions for the
ETGs inside clusters and in the field. However, now we distinguish
between elliptical (black lines) and lenticular (gray lines) galaxies.
For Pas-ETGs in clusters, the distributions of ellipticals and S0s
are very similar, displaying only a small difference in the median
value of the distributions. A similar behavior is observed for the
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Pas-ETGs in the Field, but the median values of the distributions
show a slightly larger difference. For the GV, SF, and GV+SF-ETGs,
the scenario is quite different. For each of these subpopulations, the
lenticulars and elliptical galaxies show distinct distributions, having
different peaks. In the field, the separation is even larger.

Figure 9 demonstrates that lenticular galaxies are responsible
for the systematical shift in the distribution of ∇(g - i) or the GV, SF,
and GV+SF-ETGs subpopulations in relation to the Pas-ETGs. It
also shows that most of the shift observed in the comparison between
cluster and field ETGs is due to the lenticular galaxies having a
stronger tail in the field compared to clusters. That indicates that the
likelihood of elliptical and lenticular galaxies following a similar
evolutionary path in both environments is small.

In Figure 10 we follow up the discussion of hierarchical vs.

monolithic scenario observed in Figures 8 and 9, by comparing the
distributions of Asymmetry (A) and Smoothness (S) of our sub-
samples (measured by Barchi et al. 2020). A is a measurement of
how symmetrical a galaxy is, in general, spiral galaxies present
higher values of asymmetries than elliptical galaxies (Conselice
2003). Recent merger remnants may (especially major mergers)
present the highest values of asymmetries (Palmese et al. 2017),
and the value would decrease with time, while the merger remnant
reaches a new dynamical equilibrium. On the other hand, smooth-
ness, S is a measurement of how much of the galaxy’s light is
contained in small clumps (Conselice 2003). Therefore, smooth-
ness is higher for unperturbed early-type galaxies. Figure 10 shows
the CDFs of these two properties, comparing the cluster (solid
lines) and the field (dashed lines) samples. The red tones are for
Pas-ETGs, the green tones are for GV-ETGs, the orange tones are
for SF-ETGs, and the salmon tones are for GV+SF-ETGs. Figure
10 indicates a subtle but statistically significant difference in the
value of A between cluster and field ETGs, for both passive and
star-forming ones - confirmed by the KS and the Anderson-Darling
tests in a 95% confidence level - but not for the GV-ETGs. For this
case, the null hypothesis is accepted. That is also true for S. These
results indicate that cluster ETGs are more asymmetrical and have
a less smooth light distribution than field objects.

Due to the nature of the hierarchical formation, it is expected
that the galaxies will tend to be more asymmetric and have the light
more concentrated in small pockets across the galaxy (consequently,
less smooth). This will cause higher values of A and lower values
of S. Thus, the results observed in Figure 10 partially support the
scenario where cluster early-type galaxies have a higher likelihood
of having followed a hierarchical formation scenario in compari-
son to those in the field by showing that cluster ETGs are more
asymmetrical and less smooth (i.e., more clumpy).

We reinforce here that these statements are purely based on
galaxy morphological parameters, which might be biased by the
object’s apparent magnitude (i.e. mass) and apparent size, as well as
being affected by the presence of companions (i.e. the environment
they live in). More detailed galaxy maps are needed to put stronger
constraints on the galaxy’s evolutionary paths and its relation with
the environment. In a follow-up study, we intend to apply this study
to IFU data, to retrieve the spatially resolved star-formation history.

To further attest the cluster environmental influence on galaxy
evolution, we display in Figure 11 the variation of the fractions of
star-forming galaxies with normalized clustercentric distance, up to
5×R200. As mentioned in §2 we have 9931 cluster members within
5×R200. In this case, we consider as SF all galaxies above the Eq. 3
that separate the passive from the green-valley galaxies in Figure 2.
The black continuous curve describes the fractional variation of all
star-forming galaxies without morphological distinction. The purple

dashed curve displays the results for the SF-LTGs, while the orange
dashed curve shows the SF-ETGs sample. The field fraction (for
each case) is displayed by the squares on the right side of the figure,
for comparison. We can see a positive variation of the fraction of
star-forming cluster galaxies up to ∼ 3×R200 (reaching a plateau
to larger distances). As the SF fractions within clusters are always
smaller than the field fractions (even when we go to large distances),
these results suggest that galaxies are pre-processed in smaller units
(groups) before being accreted by large clusters (Haines et al. 2015).

4 DISCUSSION AND CONCLUSIONS

One of the main goals of the present work is to use transi-
tional galaxies, such as GV and SF-ETGs as a proxy for galaxies
migrating from the BC to the RS and investigate the influence
of different environments in this transition. In general, we expect
early-type galaxies to be red and dead objects. Nonetheless, sev-
eral works have been showing that this is not the whole truth. The
presence of SF-ETGs objects needs to be accounted for (Lee et al.
2006; Kannappan et al. 2009; Schawinski et al. 2009). To do so, we
have analyzed a sample of 3, 899 cluster galaxies and 11, 460 field
galaxies in the local Universe. We further divided the cluster sample
between galaxies belonging to relaxed clusters (2, 878 galaxies) and
non-relaxed clusters (1, 021 galaxies).

Hence, a proper understanding of these populations can shed
some light on the evolutionary path of galaxies. According to
Vulcani et al. (2015), SF-ETGs comprise about 6% of the general
field ETG population. Kaviraj et al. (2011) point out that ETGs ac-

count for around half the stellar mass budget in the local Universe.
They also state that SF-ETGs contribute to ∼14 percent of the cos-
mic star-formation budget.

We have shown in Figure 3 that the SF-ETGs arrived at the clus-
ter in a later epoch than Pas-ETGs (for both relaxed and non-relaxed
clusters). This is also true for the GV-ETGs and for the combined
GV+SF-ETG sample. They also have an infall period similar to the
one observed in the late-type population (star-forming or quenched).
While the GV and SF-ETGs are dominated by galaxies with recent
or intermediate time since infall (same for the LTGs), the Pas-ETGs
are dominated by galaxies with ancient infall time. This behavior
is consistent with other results in the literature (Jaffé et al. 2015,
2016; Lotz et al. 2019), that indicate that the interstellar gas of the
galaxies is removed after the first passage into the center of the
cluster, preventing further star-formation activity to happens.

While the segregation in the PPS according to the star-
formation activity is clear for ETGs, that is not the case for LTGs.
Figure 4 indicates small differences between the location of Pas,
GV, SF, and GV+SF-LTGs in the PPS. We find the fractions of
galaxies inside the E region are higher for Pas-LTGs, in comparison
to what was observed for GV-LTGs, for the SF-LTGs, and for the
GV+SF-ETGs (Figure 3). As we saw for the ETGs, this result indi-
cates that the Pas-LTGs may have been within clusters for slightly
longer periods than the other LTG subpopulations.

We also show in §3.1 that the dynamical state of the cluster
does not have a major influence on the properties studied in this
work (Table 3). This result agrees with the findings of Sampaio et al.
(2021), that using a different methodology to classify the dynamical
state of clusters with M200 > 1014"⊙ , found that the investigated
properties are globally similar in both environments. Although, the
galaxies’ infall rate of non-relaxed clusters is larger than the one for
relaxed clusters.

Unlike what was obtained in §3.1, we have shown in the sub-
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section 3.2 (comparison of cluster and field galaxies) that the cluster
environment influences most of the galaxies’ properties. As shown
in Table 3, for LTGs the scenario is very clear. With exception to
the HX, all the comparisons made in Table 3 rejected the null hy-
pothesis that the samples were drawn from the same distribution.
On the other hand, for the ETGs, the scenarios are more complex,
especially for the D= (4000) and for the sSFR. According to the
KS test, the GV and the SF-ETGs from the cluster and the field
are drawn from the same distribution, meaning that stellar popula-
tion age and the star-formation taking place at the cluster and field
GV/SF-ETGs are similar. However, when the comparison consid-
ers the combined sample (GV+SF-ETGs), the scenario changes. For
this enlarged sample, all the properties are distinct between cluster
and field (except only for stellar mass). The difference is proba-
bly mostly due to the reduced number of galaxies in the individual
GV and SF-ETGs samples, yielding low statistics for the individual
comparison. This result indicates that the combined cluster sam-
ple of GV+SF-ETGs has an older stellar population - given by the
D= (4000), a more relevant recent star-formation (given by HX),
and a more suppressed ongoing star-formation (given by the sSFR).
Since their stellar masses are statistically similar, we can’t tribute
this difference to a mass effect. This result is in line with several
works that have pointed out that different phenomena impact in-
falling galaxies, affecting their star formation activity (Haines et al.
2013; Zinger et al. 2018; Wang et al. 2018; Lotz et al. 2019).

In Figure 7, we show evidence for a combination of the en-
vironment and mass action to quench the star formation activ-
ity. We see that for SF-ETGs the environment matters above Log
M∗/M⊙ ∼ 10.5. The recent star formation activity (indicated by HX)
shows different results, between the field and cluster, only above this
mass. In general, the SF-ETGs reduce their activity as they grow in
mass, but this process is accelerated for cluster galaxies.

Another result suggested by Table 3 and demonstrated by Fig-
ures 8 and 9, is the difference in the color gradient distributions,
related to the galaxy environment. As previously argued, the color
gradient can give clues to the formation scenario followed by a
galaxy. We interpret the results from these two figures (8 and 9) as
an indication that cluster galaxies show a higher likelihood of having
followed the hierarchical formation scenario, while field galaxies are
more likely to follow the monolithic scenario. On top of that, the
results from Figure 10 (regarding the Asymmetry and Smoothness
parameters) suggest that pre-processing of galaxies is an important
step before they enter the cluster environment. Before a galaxy be-
comes a cluster member, it could be part of a galaxy group, and as
a group member, the galaxy can suffer similar processes to the ones
in the cluster environment (e.g., starvation, fly-byes, mergers, ha-
rassment, and others; Haines et al. 2015). Due to the high-velocity
dispersion, it’s less likely that galaxies go through mergers inside
clusters (within R200). Thus, it is more probable the results we are
observing are the result of mergers that took place before the galax-
ies become cluster members, where the velocity dispersion is lower
than the observed in the interior of the cluster (Hickson 1997). In our
subsequent project, we intend to investigate the regions where such
influences occur by extending our investigation to several R200.
Preliminary confirmation of the pre-processing effect is displayed
here, in Figure 11.

Figure 9 offers an attempt to answer the reasoning that the
field and cluster samples have different distributions of the color
gradient, especially for star-forming ETGs. The bulk of the dis-
tinction comes from what we classified as lenticular galaxies. Ac-
cording to this classification, lenticular galaxies are pulling the
distribution of field samples to a stronger negative color gradi-

ent, indicating a preference for monolithic formation. Our result
diverges from other recent works in the literature, like the one of
Coccato et al. (2020, 2022). In both papers, using IFU data, the
authors investigate the different formation scenarios that lenticular
galaxies can evolve from. Using the kinematic information obtained
by the IFU data, they point out the existence of two types of lentic-
ular galaxies: rotationally-supported and pressure-supported ones.
They interpreted each of these types as an indication of the forma-
tion processes. Rotationally-supported lenticular would have formed
through fast processes that consume their gas (like ram-pressure and
starvation). On the contrary, pressure-supported lenticular galaxies
would have formed through minor-mergers processes that modified
their kinematic characteristics. The authors found an environmen-
tal dependency for each of the different types of lenticular galax-
ies: cluster lenticulars are more rotationally-supported, while field
lenticulars are more pressure-supported (Coccato et al. 2020). Fur-
thermore, as pointed out in Coccato et al. (2022), "faded spiral"

pathway is the most efficient channel to produce S0s, and it be-

comes more efficient as the mass of the group or cluster or local

density of galaxies increases. The merger pathway is also a viable

channel, and its efficiency becomes higher with decreasing local

density or environment mass.. It is important to consider that the
morphology classification used in Coccato et al. (2020, 2022) is
not the same for the present work. Also, their stellar mass and lu-
minosity intervals are more constrained to higher luminosity/stellar
masses. Furthermore, in Coccato et al. (2020, 2022), the authors do
not distinguish the lenticular galaxies into passive and star-forming
galaxies as we did in the present work. This consideration is rel-
evant when comparing both works since, as was demonstrated in
Figures 8 and 9, the distinction observed for the evolutionary paths
(according to the color gradient distributions) is connected to the
star-formation level of the galaxies.

The combination of the results obtained with the color gra-
dient (Figures 8 and 9), the Asymmetry and Smoothness (Figure
10), and the star-forming/passive fraction variation with cluster-
centric distance (Figure 11) offer strong argumentation to the need
for pre-processing of galaxies before they enter the cluster. The
same argument was pointed out by Haines et al. (2015), where the
authors investigate a sample of star-forming galaxies coming from
30 massive clusters in a redshift interval of 0.15 < I < 0.30. The
authors found that the fraction of star-forming galaxies increases
with cluster-centric radii, but remains below the field value even
at 3R200 . This result can not be reproduced by a scenario where
star-formation suppression only occurs in infalling field galaxies,
justifying the need for the galaxies to suffer pre-processing before
the cluster infall.

As we have shown, the cluster environment has important con-
sequences for the evolution of galaxies, but is not the only one
responsible for the differences observed within the galaxy popu-
lation. The pre-processing of galaxies must be taken into account
when studying galaxy evolution. We intend to give sequence to
this work by extending the present analysis into the outer parts of
clusters.
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ABSTRACT
Westudy how future Type-Ia supernovae (SNIa) standard candles detected by theVeraC. RubinObservatory (LSST) can constrain
some cosmological models. We use a realistic three-year SNIa simulated dataset generated by the LSST Dark Energy Science
Collaboration (DESC) Time Domain pipeline, which includes a mix of spectroscopic and photometrically identified candidates.
We combine this data with Cosmic Microwave Background (CMB) and Baryon Acoustic Oscillation (BAO) measurements to
estimate the dark energy model parameters for two models- the baseline ΛCDM and Chevallier-Polarski-Linder (CPL) dark
energy parametrization. We compare themwith the current constraints obtained from joint analysis of the latest real data from the
Pantheon SNIa compilation, CMB from Planck 2018 and BAO. Our analysis finds tighter constraints on the model parameters
along with a significant reduction of correlation between 𝐻0 and 𝜎8. We find that LSST is expected to significantly improve
upon the existing SNIa data in the critical analysis of cosmological models.

Key words: (cosmology:) cosmological parameters – cosmology: observations – (stars:) supernovae: general – (cosmology:)
dark energy – methods: data analysis – instrumentation: detectors – surveys

1 INTRODUCTION

Type Ia Supernova (SNIa) data has played a crucial role in advancing
our understanding of the Universe’s expansion history and the nature
of dark energy (DE). Riess et al. (1998) and Perlmutter et al. (1999)
published their landmark discovery in which they used SNIa data to
measure the deceleration parameter, to establish, for the first time,
that the Universe is currently expanding at an accelerated rate. The
combined results provided strong evidence for cosmic acceleration,
the cause of which is widely considered to be the existence of a mys-
terious “dark energy” component. Following this discovery, there has
been an ever-expanding effort to improve the precision of SNIa data
and to tighten dark energy constraints. The Union 2.1 (Suzuki et al.
2012) compilation, released in 2011, included data from 580 SNIa
and was the largest and most comprehensive sample at the time. This
was followed by the Joint Light-curve Analysis (JLA) (Betoule et al.
2014), with a compilation of 740 spectroscopically confirmed SNIa,
designed to have a set of observations with consistent methods of cal-
ibration and analysis, which helped improved the precision of SNIa
measurements. In 2018, the Pantheon (Scolnic et al. 2018) compi-
lation was released, which included data from 1048 SNIa covering

★ E-mail: rahul.shah.13.97@gmail.com
† E-mail: ayan.mitra@iucaa.in
‡ E-mail: purba16@gmail.com
§ E-mail: terminatorbarun@gmail.com
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a wide range of redshifts up to 𝑧 ∼ 2.3, and improved the preci-
sion of the measurements further. More recently, the Dark Energy
Survey (DES) (Abbott et al. 2019; Sevilla-Noarbe et al. 2021) col-
laboration published their Y3 cosmology data release in 2019, which
included 207 spectroscopically confirmed SNIa and supplemented
with additional 122 low-𝑧 SNIa from external catalogues resulting
in DES-SN3YR dataset of 329 total SNIa. A follow-up analysis to
Pantheon, called “Pantheon+” (Brout et al. 2022), was released in
2021, which included additional data from the Dark Energy Survey
(DES) and further increased the precision of the measurements. The
Pantheon+ dataset included data from 1701 light curves from 1550
distinct SNIa and confirmed the results from the original Pantheon
study.

Although abundant observational evidence from diverse sources
(Kowalski et al. 2008; Spergel et al. 2007; Tegmark et al. 2006;
Aghanim et al. 2020b; Percival et al. 2010; Fedeli et al. 2009) sup-
ports SNIa data collectively presenting a persuasive case for the
Universe’s current acceleration, the exact mechanism behind this
phenomenon necessitating a substantial negative pressure continues
to elude understanding. Two widely used approaches have been pro-
posed to address this issue, namely introducing an additional cosmic
species to the energy budget of the Universe, called dark energy, and
modifying the theory of gravity itself (Starobinsky 1979; Buchdahl
1970; Elizalde et al. 2010;Arora et al. 2020;Harko et al. 2011;Bamba
et al. 2011; Linder 2010; Ferraro & Fiorini 2007; Nojiri & Odintsov
2003). These approaches have both strengths and limitations, lead-

© 2023 The Authors
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ing to various models attempting to explain the observed late-time
acceleration, with new models continuously being proposed. De-
spite the success of the six-parameter baseline Lambda Cold Dark
Matter (ΛCDM) model in fitting a broad range of data sets, it has
faced several limitations, such as the cosmological constant problem
(Lombriser 2019; Magueĳo 2021), the cosmic coincidence problem
(Copeland et al. 2006; Velten et al. 2014), the primordial singularity
problem (Belinski 2010; Craps 2010), and also the growing inconsis-
tencies between measurements of cosmological parameters obtained
from different scales of observations (Abdalla et al. 2022). Among
these, one of the most notable inconsistencies is the ∼ 5𝜎 tension
in the determination of the present value of the Hubble parameter,
denoted by 𝐻0, where the measurement by the SH0ES team locally
gives 𝐻0 = 73.3 ± 1.04 kms−1 Mpc−1 (Riess et al. 2022), while the
value inferred from the early cosmic microwave background (CMB)
radiation sky by the Planck survey yields 𝐻0 = 67.36 ± 0.54 kms−1
Mpc−1 for ΛCDM (Aghanim et al. 2020b). The precise observations
of the Cosmic Microwave Background (CMB) by Planck (Aghanim
et al. 2020b), Large Scale Structure (LSS) and Baryon Acoustic Os-
cillations (BAO) from various surveys (Beutler et al. 2011; Ross
et al. 2015; Alam et al. 2017), and SNIa data from Pantheon and
DES have put moderate level of constraints on the properties of dark
energy through joint analyses. Despite its considerable amount of
success, we remain far from accurately identifying the precise candi-
date for dark energy, its equation of state, the necessary parameters
for a consistent description of our Universe, and ultimately, the fun-
damental cosmological model per se. Given the prevalent Hubble
tension, as well as other inconsistencies, it is evident that the pursuit
of a comprehensive cosmological model is ongoing. An effective
cosmological model must demonstrate coherence with all current
and forthcoming observations. Consequently, constructing a viable
dark energy model presents a significant challenge.
In order to tackle the issues related to vanilla ΛCDM, models

involving dynamical dark energy (DDE) with a varying equation of
state (EoS) have been proposed. Several such examples are there
in the literature that have drawn varied level of attention from the
community (Copeland et al. 2006). Of them, the Chevallier-Polarski-
Linder (CPL) parametrization, introduced by Chevallier and Polarski
(Chevallier & Polarski 2001) and Linder (Linder 2003), has been the
most widely used and popular DDE model. In this article we will be
focusing on these two models in particular, in order to study their
potential in addressing the nature of dark energy using present and
future data.
Complementary to the existing data, the next generation of sur-

veys, including Euclid (Amendola et al. 2013; Cimatti et al. 2009),
LSST (Mandelbaum et al. 2018; Zhan & Tyson 2018; Ivezić et al.
2019), Roman Space Telescope (Akeson et al. 2019), the Thirty Me-
ter Telescope (TMT) (Skidmore et al. 2015) and the already launched
JWST (Gardner et al. 2006), will provide a 10-fold increase in the
precision of dark energy constraints over the Stage 2 surveys (Al-
brecht et al. 2006). The recent discovery of gravitational waves (GW)
(Abbott et al. 2016) offers an additional probe for tracing dark en-
ergy. The luminosity distance to GW events is directly inferable
from the detected signal (Schutz 1986) and the redshifts may be
obtained either via an electromagnetic counter-detection (Holz &
Hughes 2005), or via cross-correlations with surveys of distribution
of galaxies (MacLeod & Hogan 2008). Future GW missions, such
as eLISA (Seoane et al. 2013; Tamanini et al. 2016; Amaro-Seoane
et al. 2017), DECIGO (Kawamura et al. 2021), Einstein Telescope
(Maggiore et al. 2020) and Cosmic Explorer (Reitze et al. 2019),
promise to detect numerous GW events in the next two decades with
increased precisions and at higher redshifts, which would help con-

strain the expansion history of the Universe, and hence the nature of
dark energy. Also, the Square Kilometre Array (SKA) (Bacon et al.
2020) will probe the Epoch of Reionization (EoR) via the 21-cm HI
signal, providing another window for probing the expansion history
and dark energy. Thus it is important at the current juncture to revisit
the popular dark energy models and study their feasibility in light
of the upcoming next-generation surveys, combining the power of
multiple cosmological probes.

It is in this context that the upcoming Large Synoptic Survey
Telescope (LSST) (Mandelbaum et al. 2018) can play a vital role.
Although the role of SNIa data in testing the viability of different
cosmological models is more or less well-established for more than
two decades now, till date only around ∼ 103 SNIa events have
been discovered as mentioned earlier. In spite of a certain level of
constraining power, the existing SNIa data still leaves room to ac-
commodate a plethora of models as possible dark energy candidates.
So, a more rich SNIa dataset can act as a saviour in this context. On
top of that, several models have been proposed with an attempt to al-
leviate the Hubble tension involving existing cosmological datasets.
These models must be revisited against future data in order to check
their robustness with the advent of data-driven science. LSST - the
upcoming SNIa mission - is expected to discover over ten million su-
pernovae during its 10-year survey program, spanning a broad range
in redshift and with uniform photometric calibration, thereby over-
hauling all its predecessors. This will enable a dramatic step forward
in supernova studies, using the power of unprecedented large statis-
tics to control systematic errors and thereby lead to major advances
in the precision of supernova cosmology.

Keeping this in mind, we conduct a comprehensive investigation
of the performance of two models, ΛCDM and CPL, in the context
of future LSST SNIa data. We begin by obtaining constraints on the
model parameters using SNIa from Pantheon, CMB from Planck18,
and BAO from various surveys (as elaborated in 3.2) using CLASS
(Lesgourgues 2011; Blas et al. 2011) and MontePython (Brinck-
mann & Lesgourgues 2019; Audren et al. 2013). We then explore
the impact of the LSST on these models in conjunction with ex-
isting data by substituting the Pantheon dataset with LSST and by
running the MCMC code afresh. This helps us make a comparison
between existing constraints and that expected from LSST. This in
turn will reflect the prospects of LSST in revisiting cosmological
models under consideration along with their pros and cons. Further,
as argued in Shah et al. (2023), to avoid any biased analyses, we
refrain from incorporating any direct measurement prior on 𝐻0 from
the SH0ES collaboration’smeasurement in our parameter estimation,
as it can lead to an inherent bias towards higher values of 𝐻0, and
consequently, on other parameters degenerate with it.

This manuscript is structured in the following manner. Section 2
outlines the LSST data utilised in this study. In Section 3, we derive
the constraints on the cosmological models under investigation from
the LSST SNIa forecast data, as described in the preceding section,
and compare them with the constraints obtained from the Pantheon
dataset (Scolnic et al. 2018). Section 5 provides a discussion of our
findings and their implications. Finally in Section 6 we present our
conclusion.

MNRAS 000, 1–9 (2023)
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Figure 1. Full sky map showing the potential coverage by LSST observations (in red) from MINION10162. The blue and red lines correspond to the Galactic
equator and ecliptic respectively. The three small square patches in black each correspond to a 1-degree-square area. There are four such patches in total that will
be observed by the LSST; the fourth patch is within the bigger blue patch, which corresponds to the DC2 observations of the LSST. These four small patches
make up the Deep Drilling Fields (DDF), which is roughly 50 deg2 in area. Image credit: Abolfathi et al. (2021)
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Figure 2. Comparison of the Hubble diagrams between Pantheon (red) and the LSST (blue). The Y-axis corresponds to the distance modulus (`) plotted as a
function of the redshift (𝑧) in X-axis.

2 LSST

In this analysis, we used simulated 3-year LSST3 SNIa data to con-
strain cosmology. The LSST survey is poised to become a defining
project of its generation, and it is the most ambitious optical sur-
vey currently planned. The survey is planned to begin in 2024 and
will undertake a decadal survey. One of the main science themes
of the survey is to probe the dark Universe. LSST will be a large,
wide-field, ground-based survey that will image the southern sky in
six optical passband filters with an unprecedented combination of
depth, area, and cadence. During this period, the LSST is forecast to
observe millions of supernovae. The Simonyi Survey optical Tele-

3 www.lsst.org

scope at the Rubin Observatory includes an 8.4 𝑚 mirror4 and a
state-of-the-art 3200-megapixel camera (9.6 deg2 FoV). About 90%
of the observing time will be devoted to a deep-wide-fast survey
mode that will uniformly observe an 18, 000 deg2 region about 800
times (summed over all six bands) during the anticipated 10 years of
operations and will yield a co-added map to 𝑟 − 27.5. These data
will result in databases including about 32 trillion observations of
20 billion galaxies and a similar number of stars, and they will serve
the majority of the primary science programs. The remaining 10%
of the observing time will be allocated to special projects, such as
Very Deep and Very Fast time-domain surveys, whose details are
currently under discussion.

4 6.7 m of effective aperture

MNRAS 000, 1–9 (2023)
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2.1 LSST SN Data: Overview

This paper utilises simulated SNIa data to forecast dark energy results
from LSST observations, sourced from Mitra et al. (2023). The SN
data is generated using the LSSTDark Energy Science Collaboration
(DESC) time domain (TD) pipeline and SNANA code (Kessler et al.
2009), consisting of four main stages illustrated in Fig. 4 of Mitra
et al. (2023). Cosmology fitting, the final stage of the pipeline, was
performed by the authors in this analysis. Prior to cosmology fitting,
the pipeline includes SN brightness standardisation via a Light Curve
(LC) fit stage, simulations for bias correction, and a BBC stage for
Hubble diagram production. We used a redshift binned Hubble dia-
gram and the associated covariance matrix produced from the BBC
stage to perform cosmological fitting, exploring the two cosmological
dark energy models discussed in sec.§ 3.1.
The SNIa dataset used is composed of spectroscopically (𝑧spec)

and photometrically (𝑧phot) identified SNIa candidates combined to-
gether. Based on PLAsTiCC (Allam et al. 2018) “𝑧spec” sample is
composed of two sets of events whose spectroscopic redshifts have
an accuracy of𝜎𝑧 ∼ 10−5. The first subset is made up of spectroscop-
ically confirmed events whose redshift is predicted to be accurate by
the 4MOST spectrograph (de Jong et al. 2019), which is being built
by the European Southern Observatory, and is expected to become
operational in 2023. 4MOST is situated at a latitude similar to that of
the Rubin Observatory in Chile. The second subset is composed of
photometrically identified events with an accurate host galaxy red-
shift determined by 4MOST. The second subset has about ∼ 60%
more events than the first subset. For the photometric sample, host
galaxy photo-𝑧 was used as a prior (adapted from Kessler et al.
(2010)). The photometric redshift and rms uncertainty was based
on Graham et al. (2018). The whole simulation was re-done based
on the PLAsTiCC DDF data5. Additional low redshift spectroscopic
data was used from the DC2 analysis (simulated withWFD cadence).
Mitra et al. (2023) simulated only SNIa and no contamination (eg.
core collapse, peculiar SNe etc) was considered. The covariance ma-
trix used corresponds to the stat+syst where syst is all individual
systematics combined. Seven systematics in total were considered,
which are detailed in Table 3 of Mitra et al. (2023). The HD is binned
into 14 redshift bins and contains a total of 5809 SNIa candidates,
as shown in Fig. 2, composed of both spectroscopic and photometric
candidates.

3 COSMOLOGICAL MODELS AND DATASETS

In this section, we briefly discuss the two cosmological models that
are considered in this analysis. In Mitra et al. (2023) the authors
verified, using Fisher analysis, the validity of the simulated LSST
dataset used here for the ensuing models. Using the Pantheon and
simulated LSST data separately (along with the other mentioned
datasets), wewill investigate the constraints on themodel parameters.

3.1 Models

Λ Cold Dark Matter (ΛCDM)

We include ΛCDM as the benchmark model in our study, as we are
interested in comparing the performances of the alternative models

5 The LSST has different observing strategies, the deep field and the wide
field, called as the DDF (Deep drilling field) and the WFD (Wide Fast Deep)
respectively.

Parameter Prior

Ωbℎ
2 [0.005, 0.1]

Ωcℎ2 [0.01, 0.99]

100\𝑠 [0.5, 10]

ln
(
1010𝐴𝑠

)
[1, 4]

𝑛𝑠 [0.5, 1.5]

𝜏 [0., 0.9]

𝑤0 [−2, 1]

𝑤𝑎 [−3, 3]

Table 1. Uniform priors on the model parameters of ΛCDM and CPL.

against the baseline model. Often referred to as the “concordance
model”, it is characterised by a constant EoS for dark energy 𝑤 = −1.
The Hubble parameter evolves with redshift as

𝐻2 (𝑧) = 𝐻20

[
Ω𝑚0 (1 + 𝑧)3 + (1 −Ω𝑚0)

]
. (1)

Chevallier Polarski Linder (CPL)

The CPL parametrization (Chevallier & Polarski 2001; Linder 2003),
also known as the 𝑤0𝑤𝑎CDM parametrization, is perhaps the most
widely used model after ΛCDM. It is a two-parameter extension to
ΛCDM with a redshift-dependent DE EoS given by

𝑤(𝑧) = 𝑤0 + 𝑤𝑎
𝑧

1 + 𝑧
. (2)

It can be interpreted as the first-order Taylor expansion of a more
generic DE EoS 𝑤(𝑧) in terms of the scale factor 𝑎 = (1+ 𝑧)−1 (Zhai
et al. 2017), that is well-behaved at both high and low redshifts. The
background history for this model is parametrized as,

𝐻2 (𝑧) = 𝐻20×[
Ω𝑚0 (1 + 𝑧)3 + (1 −Ω𝑚0) (1 + 𝑧)3(1+𝑤0+𝑤𝑎) exp

(
−3𝑤𝑎𝑧

1 + 𝑧

)]
.

(3)

3.2 Observational datasets

The following datasets have been taken into account in the present
analysis:

• CMB: Cosmic Microwave Background temperature and po-
larisation angular power spectra, and CMB lensing of Planck 2018
TTTEEE+low l+low E+lensing (Aghanim et al. 2020a,c,d).

• BAO: Baryon Acoustic Oscillations measurements by galaxy
surveys viz. 6dFGS (Beutler et al. 2011) , SDSS MGS (Ross et al.
2015), and BOSS DR12 (Ross et al. 2017; Alam et al. 2017).

• Pantheon:Luminosity distance data of 1048 type Ia supernovae
from the Pantheon (Scolnic et al. 2018) catalogue.

• LSST: The simulated distance modulus catalogue from Vera
C. Rubin Observatory and Legacy Survey of Space and Time, as
discussed in Sec. 2. The simulated data sample consists of 5809 type
Ia supernovae candidates.

MNRAS 000, 1–9 (2023)
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Models ΛCDM CPL

Ω𝑏ℎ
2 0.02243+0.00014−0.00014 0.02238+0.00013−0.00015

Ω𝑐ℎ
2 0.1192+0.00093−0.00094 0.12+0.0011−0.0011

100\𝑠 1.042+0.00029−0.00029 1.042+0.00029−0.00030

ln
(
1010𝐴𝑠

)
3.048+0.014−0.014 3.043+0.014−0.015

𝑛𝑠 0.9672+0.0037−0.0038 0.9653+0.0039−0.0039

𝜏 0.05682+0.0069−0.0075 0.05356+0.0071−0.0073

𝑤0 - −0.9573+0.075−0.083

𝑤𝑎 - −0.2862+0.31−0.27

𝐻0 67.74+0.42−0.42 68.32+0.83−0.83

Ω𝑚0 0.3102+0.0056−0.0056 0.3065+0.0078−0.0082

𝜎8,0 0.8104+0.0060−0.0061 0.8205+0.011−0.011

𝜒2
𝑚𝑖𝑛

3811 3811

ln L𝑚𝑎𝑥 1905.5 1905.52

Table 2. MCMC constraints on the model parameters of ΛCDM and CPL
using combined Pantheon+CMB+BAO (referred to as PCB) datasets.

Models ΛCDM CPL

Ω𝑏ℎ
2 0.02245+0.00013−0.00013 0.02238+0.00014−0.00015

Ω𝑐ℎ
2 0.1191+0.00074−0.00074 0.1199+0.0011−0.0010

100\𝑠 1.042+0.00028−0.00028 1.042+0.0003−0.0003

ln
(
1010𝐴𝑠

)
3.05+0.014−0.014 3.043+0.014−0.014

𝑛𝑠 0.9676+0.0035−0.0035 0.9654+0.004−0.004

𝜏 0.05722+0.0069−0.0076 0.05345+0.0073−0.0074

𝑤0 - −0.9315+0.054−0.055

𝑤𝑎 - −0.3379+0.23−0.22

𝐻0 67.84+0.33−0.34 67.99+0.39−0.39

Ω𝑚0 0.3087+0.0044−0.0044 0.3094+0.0046−0.0044

𝜎8,0 0.8101+0.0059−0.0060 0.8175+0.0086−0.0083

𝜒2
𝑚𝑖𝑛

2796 2796

ln L𝑚𝑎𝑥 1397.74 1397.9

Table 3. MCMC constraints on the model parameters of ΛCDM and CPL
using combined LSST+CMB+BAO (referred to as LCB) datasets.

4 MCMC CONSTRAINTS AND RESULTS

We obtain the constraints on the model parameters using two dataset
combinations, namely Pantheon+CMB+BAO (hereafter referred to
as PCB) and LSST+CMB+BAO (hereafter referred to as LCB). The
priors considered for the MCMC analyses using CLASS6 (Lesgour-
gues 2011; Blas et al. 2011) and MontePython7 (Brinckmann &
Lesgourgues 2019; Audren et al. 2013) are given in Table 1.
Table 2 presents the parameter estimates of the models analysed

6 https://github.com/lesgourg/class_public
7 https://github.com/brinckmann/montepython_public

with the Pantheon dataset (PCB). To ensure equal treatment of the
models, we conduct Markov Chain Monte Carlo (MCMC) analyses
under identical conditions, enabling the assessment of the effect
of our simulated future LSST data when replacing Pantheon. The
resulting parameter estimates for the joint LSST+CMB+BAO dataset
(LCB) are reported in Table 3. Notably, LCB provides a better fit for
bothmodels than PCB, as indicated by the goodness-of-fit parameters
in the respective tables.
Figure 3 displays the 1𝜎 and 2𝜎 confidence contours for the full

parameter space ofΛCDM, evaluated with the PCB (in red) and LCB
(in blue) datasets. The results reveal a marked improvement in the
precision of the cold dark matter energy density Ω𝑐ℎ

2. This effect is
reflected, particularly in the improvement of precision in the derived
background quantities, 𝐻0 andΩ𝑚0. Nevertheless, their mean values
exhibit no significant shifts. No significant variations were observed
in the perturbation and reionisation parameters, whether primordial
or late-time, eg. ln

(
1010𝐴𝑠

)
, 𝜏 and 𝜎8,0. Further, we also observe

a slight decrease in the correlation between 𝐻0 and 𝜎8,0 and hence
between Ω𝑚0 and 𝜎8,0 for LSST dataset in comparison to Pantheon
dataset.
Figure 4 is similar to Figure 3 but with the CPL dark energymodel.

We find that except for the dark energy characteristic parameters of
the CPL model (𝑤0 and 𝑤𝑎) the remaining 6-parameter space ex-
hibits no significant variation with the LCB dataset in comparison to
PCB. When compared with baseline ΛCDM for the same datasets, it
hints towards the higher sensitivity of LCB data towards EoS param-
eters thanΩ𝑐ℎ

2 and that the inclusion of the simulated LSST slightly
favours a variable EoS for dark energy. However, since there is no no-
ticeable improvement in 𝜒2 for CPL compared to ΛCDM, we refrain
frommaking any strong comments at this point. The parameter space
of 𝑤0 and 𝑤𝑎 becomes strongly restricted when analysed using the
LCB combination, with their mean values shifting slightly to almost
compensate for each other, with 𝑤0 increasing while 𝑤𝑎 decreasing.
This in turn makes its effect felt on the derived parameters, viz. 𝐻0,
Ω𝑚0 and 𝜎8,0. It deserves mention that the joint PCB constraints
on 𝐻0 and Ω𝑚0 for the CPL parametrization are not as tightly con-
strained as in the case of ΛCDM; however, the constraints become
noticeably more precise when exposed to the combined LCB dataset,
with the resulting parameter values being comparable to those ob-
tained for the ΛCDM scenario. Besides, our results also indicate an
increase in precision, along with a slight decrease in the mean value,
of 𝜎8,0 for the LCB dataset compared to PCB. We further notice that
the 𝐻0-𝜎8,0 and Ω𝑚0-𝜎8,0 correlations show significant decrease.
This feature is intriguing, where the simulated data of LSST is seen
to break such correlations to a somewhat considerable extent. This
opens up the prospects of LSST in helping re-examine the status of ex-
isting alternative cosmological models which are better-performing
in the context of 𝐻0 and 𝜎8,0 tensions.

5 ANALYSIS AND DISCUSSION

SNIa data from LSST has the potential to provide a significant im-
provement over Pantheon, our current standard SNIa dataset, by in-
creasing the number of observed SNIa events andwith higher number
density of events at high redshifts (up to 𝑧 ∼ 1.2 as shown in Fig 2).
Furthermore, given the superior instrumentation, we expect the data
to be less prone to errors. It is, therefore, crucial to investigate the
impact that the future LSST data could have on our understanding
of not only the baseline cosmological model but also other popular
models that could potentially compete with ΛCDM and help address
the tensions and anomalies associated with it.

MNRAS 000, 1–9 (2023)
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Figure 3. Plots showing the 1-dimensional marginalised posterior distributions and 2-dimensional contour plots for ΛCDM model parameters using PCB and
LCB data sets.

In the case of the ΛCDM model, future LSST data would likely
increase the precision of the existing constraints slightly, without sig-
nificantly shifting the mean values of the cosmological parameters.
However, for the CPL model, the impact of the same on precision
would be particularly notable. It would result in a stronger constraint
on the background, as well as reduced correlations between certain
background parameters and perturbation parameters. Of particular
interest is the almost vanishing correlation between 𝐻0 and 𝜎8,0,
which warrants further study. It appears that the LSST data would
be able to break the existing 𝐻0-𝜎8,0 (and hence Ω𝑚0-𝜎8,0) corre-
lation. This calls for a re-examination of the prospects of existing

better-performing cosmological models in the context of the 𝐻0 and
the 𝜎8,0 tensions in light of LSST.

In Figure 5, we present the relative performances of the DE EoS
𝑤(𝑧)for the CPL model, taking the values of the model parameters
from the MCMC analysis. The shaded regions in red colour with +
hatches and in blue colour with × hatches show the evolution of 𝑤(𝑧)
using the combinedLCBandPCBdata sets, alongwith the associated
uncertainties. The darker shaded regions represent the 1𝜎 confidence
level, whereas those with lighter shades denote the 2𝜎 confidence
level. For comparison, we also plot the EoS for ΛCDM, 𝑤 = −1with
dotted lines. We find significant improvement in terms of precision
at both 1𝜎 and 2𝜎 levels for the LCB over the PCB combination.

MNRAS 000, 1–9 (2023)
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Figure 4. Plots showing the 1-dimensional marginalised posterior distributions and 2-dimensional contour plots for CPL model parameters using PCB and LCB
data sets.

The DE EoS for the CPL model demonstrates a quintessence nature
(𝑤 > −1) today that tends to cross the phantom divider at higher
redshifts. The reconstructed 1𝜎 region indicates that the simulated
LSST data has a higher preference for a non-phantom EoS at the
present epoch with reduced error bars. We observe that the EoS for
CPL excludes ΛCDM (𝑤 = −1) at 1𝜎 for 𝑧 < 0.042, very close to
the present epoch with a lower bound of 𝑤0 = −0.9865. However, the
ΛCDMmodel remains included within 2𝜎 for the reconstructed CPL
dark energy parametrization. Our result implies that the upcoming
LSST supernovae data can help in restricting the parameter space of
the existing exotic dark energy models, thereby aiding in eliminating
some of the contrived alternatives.

6 CONCLUSIONS

As the nature of dark energy remains elusive with tensions coming
into play, it is of prime importance to revisit the present status of
cosmology in view of upcoming data. LSST is expected to represent
the epitome of accuracy for Type Ia supernova (SNIa) data in the
near future. In this work, we examine the impact of future LSST
data on two cosmological models of interest, mentioned in Sec.
3.1. Our findings indicate that LSST can considerably enhance the
precision of background quantities for both the vanilla ΛCDM and
CPL parametrization of dark energy leading to better constraints on
the model parameters. We further observe that LSST will be capable
of eliminating the existing correlations between𝐻0−𝜎8,0 andΩ𝑚0−

MNRAS 000, 1–9 (2023)
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Figure 5. The evolution of the dark energy equation of state 𝑤 (𝑧) for the CPL parametrizations, taking the values of the model parameters from the MCMC
analysis. The shaded regions in red colour with + hatches and in blue colour with × hatches represent the 1𝜎 (darker shades) and 2𝜎 (lighter shades) confidence
level for the evolution of 𝑤 (𝑧) using the combined LCB and PCB data sets. As a reference, we plot the evolution history for ΛCDM with a dotted line.

𝜎8,0. Moreover, these two models offer no notable improvements to
the Hubble or clustering tension when subjected to LSST three-year
simulated data.
Compared to present constraints, our analysiswith simulatedLSST

data shows small shifts in the value of 𝜎8,0 depending upon the
model, though such deviations are statistically insignificant so far.
Nevertheless, this motivates further exploration of the clustering ten-
sion in the context of other models by utilising LSST. Our future
work is geared towards such investigations. Moreover, we have used
Pantheon as the current SNIa dataset for the present study, and leave
the analysis with Pantheon+ (Brout et al. 2022) for subsequent work.
LSST promises to be the next step in precision cosmology. In

the current study, increased levels of precision mostly translated to
increased tensions due to insignificant mean shifts. Nonetheless, it
remains to be seen how other models, which have shown promise in
resolving certain tensions, behave when LSST is taken into account.
As mentioned earlier, the current LSST data used is from a three-
year SNIa simulation. However, a future 10-year LSST dataset with
a considerably larger set of data points than 3-year data and the
inclusion of more accurate systematics would definitely be more
insightful. Further, space-based near infrared (NIR) SNIa data from
ROMAN (Rose et al. 2021), when combined with LSST data, could
help provide additional information on the suitability of different
dark energy models.
In a nutshell, the primary features of the present analysis are as

follows:

• LSST promises to provide improved constraints on the cosmo-
logical parameters of any reasonable late-time dark energy model,
with the possibility to do the same for other classes of models as
well.

• Future LSST data shows potential in breaking correlations be-
tween certain parameters. This can have very significant conse-
quences in the study of the Hubble tension and the clustering tension
in the future.

We believe the entire analysis gives an insight into the role of
LSST in reinvestigating existing models and into the constraining
power of the data from LSST compared to existing SNIa datasets
like Pantheon.
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(Accepted May 9, 2023)

Submitted to ApJ

ABSTRACT

The solar corona produces coronal rain, hundreds of times colder and denser material than the

surroundings. Coronal rain is known to be deeply linked to coronal heating, but its origin, dynamics,

and morphology are still not well understood. The leading theory for its origin is thermal instability

(TI) occurring in coronal loops in a state of thermal non-equilibrium (TNE), the TNE-TI scenario.

Under steady heating conditions, TNE-TI repeats in cycles, leading to long-period EUV intensity

pulsations and periodic coronal rain. In this study, we investigate coronal rain on the large spatial

scales of an active region (AR) and over the long temporal scales of EUV intensity pulsations to

elucidate its distribution at such scales. We conduct a statistical study of coronal rain observed over

an AR off-limb with IRIS and SDO imaging data, spanning chromospheric to transition region (TR)

temperatures. The rain is widespread across the AR, irrespective of the loop inclination, and with

minimal variation over the 5.45-hour duration of the observation. Most rain has a downward (87.5%)

trajectory; however, upward motions (12.5%) are also ubiquitous. The rain dynamics are similar over

the observed temperature range, suggesting that the TR and chromospheric emission are co-located

on average. The average clump widths and lengths are similar in the SJI channels and wider in the

AIA 304 channel. We find ubiquitous long-period EUV intensity pulsations in the AR. Short-term

periodicity is found (16 min) linked to the rain appearance, which constitutes a challenge to explain

under the TNE-TI scenario.

Keywords: Coronal rain; Solar prominences (1519); Solar chromosphere (1479); Solar transition region

(1532); Solar coronal heating (1989)

1. INTRODUCTION

The solar corona, in addition to being hot, tenuous and diffuse, also hosts cold, dense and clumpy plasma structures

such as prominences and coronal rain. This rain corresponds to partially ionized plasma that is commonly observed in

active regions. Its temperature and density vary between 103–105 K and ≈ 1010–1012 cm−3, respectively. Coronal rain

is best observed off-limb with high contrast against the dark background, where it appears in emission in chromospheric

lines such as Hα, Ca II H & K, and He I (De Groof et al. 2004; Schad 2018; Froment et al. 2020), and in transition region

lines such as Si IV 1402 Å or/and in He II 304 Å (Vashalomidze et al. 2015; Antolin et al. 2015). It forms in a couple

of minutes and falls toward the solar surface over an order of magnitude longer timescales along loop-like trajectories

(Antolin & Rouppe van der Voort 2012). The distribution of rain clump velocities are broad, from 10 − 200 km s−1

with a mean value around 70 km s−1 (Schrijver 2001; Müller et al. 2005; Antolin & Rouppe van der Voort 2012), and

are characterised by being lower than free-fall, which is generally accepted to be caused by gas pressure forces (Oliver
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Figure 1. The studied active region at the East limb of the Sun on 2 June 2017, observed by IRIS/SJI 1400 Å(left), SJI
2796 Å(second from left) and SDO/AIA 304 Å (third from left). The separated panel on the right shows a wider FOV with
SDO/AIA 171 Åover the same region, with the white rectangle outlining the FOV shown on the left panels. All images were
obtained summing over 10 images in the interval 07:28:00 UT - 07:34:28 UT. (Movie of this figure is available. The movie shows
off-limb coronal rain seen in the SJI 2796 Å, SJI 1330 Å, and AIA 304 Å falling towards the solar surface along coronal loop
structures all around a sunspot that sits in the middle of the FOV. The rain is seen to fall continuously over the observation
time of 5.45 hours, starting from 07:28 UT to 12:55 UT.)

et al. 2014). Another candidate is the ponderomotive force from transverse MHD waves, but Verwichte et al. (2017)

have shown that the wave amplitudes that are observed usually cannot account for the rain dynamics.

Coronal rain is believed to originate from thermal instability (TI) within a coronal loop in a state of thermal non-

equilibrium (TNE), known as the TNE-TI scenario (Antolin 2020; Antolin & Froment 2022) in which radiative cooling

locally overcomes the coronal heating input (Müller et al. 2003, 2004). Although the exact role of TI is still under

debate (Klimchuk 2019), the TNE onset conditions are usually met in coronal loops with strongly stratified and high-

frequency heating (Antiochos et al. 1999). Numerical simulations allow to study the parameter space of TNE-TI and

coronal rain formation. The results can then be compared with observations, which can then constrain the parameter

space of the heating (Fang et al. 2013, 2015; Froment et al. 2018; Klimchuk & Luna 2019; Johnston et al. 2019).

The specific spatio-temporal heating distribution requirements to generate coronal rain, therefore, constitute stringent

proxies of coronal heating. When the spatial and temporal distribution of the heating in a coronal loop are stable,
TNE manifests through periodic cycles of global heating and cooling due to the inability of the loop to reach thermal

equilibrium (Kuin & Martens 1982). The cooling through the coronal temperatures manifests as long-period EUV

pulsations (Auchère et al. 2014; Froment et al. 2015).

Coronal rain is observed mainly in three different forms in the solar atmosphere (Antolin & Froment 2022). The

most common kind is termed quiescent coronal rain and is the main target of this study. It is observed in active

region loops and is unrelated to visible flares. Another kind is flare-driven coronal rain and corresponds to the cool

material observed in flare loops at the last stage of their cooling (Scullion et al. 2016). The last kind is known as

hybrid prominence/coronal rain complexes, which are recently studied structures forming in magnetic dips over null

point topologies (Liu et al. 2016; Li et al. 2018; Mason et al. 2019; Chen et al. 2022).

On the morphological side, lengths and widths of coronal rain blobs vary depending on the temperature of formation

of the observed wavelength, with widths of a few hundred km in a chromospheric line such as Hα and close to 1000 km

in a transition region line such as AIA 304 Å, although a strong influence of spatial resolution is also expected. Lengths

vary more strongly, with values up to tens of Mm, and a dependence on temperature is unclear (Antolin & Rouppe van

der Voort 2012; Antolin et al. 2015). This clumpy and filamentary morphology of the rain is one of the most puzzling

features, and is thought to be caused not only due to the interaction with the environment (for example, through

shear flows, Fang et al. 2015), but also and particularly due to the nature of TI (Waters & Proga 2019). Recently,

through 2.5D radiative MHD simulations, Antolin et al. (2022) have shown that TI plays an important role in the
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observed variability and filamentary structure of the corona in the UV and EUV because of the impact of the rain

onto the chromosphere, the strong compression downstream of the rain showers and since a thin but strongly emitting

Condensation Corona Transition Region (CCTR) is created by TI, not only confined to the condensation region but

extending along the loop. It has therefore been argued that coronal rain provides us with direct physical insight into

the thermodynamics within coronal loops (Antolin 2020).

A major characteristic of coronal rain is that the clumps appear at very similar times over a relatively wide volume,

and fall along a similar trajectory. This characteristic has led to the concept of a rain shower (Antolin & Rouppe van

der Voort 2012). Using the same dataset as the one for this work, Şahin & Antolin (2022) has conducted the first

statistical analysis of showers. They observed widespread showers over the same active region as studied in the present

paper, successfully identifying coronal loops. Using the traced rain showers, they quantified the total coronal volume

in the AR in the TNE state to be around 4.56× 1028 cm3, that is, on the same order as the AR volume, with strong

implications for the spatial and temporal coronal heating conditions at AR level.

Contrary to ground-based observations, IRIS observations allow conducting relatively long-duration investigations

of coronal rain over the same region. Using this IRIS capability, in this study, we present the first spatial and temporal

statistical analysis of quiescent coronal rain over an entire active region with a significant time duration of 5.45 hours.

Such duration is on the same order as long period intensity pulsations (2 to 16 hours (Auchère et al. 2014)) and

therefore allows us to test and improve previous statistics of coronal rain properties, as well as its relation to the

EUV corona through long-period intensity pulsations. The rest of the paper is organized as follows. In Section 2, we

introduce our dataset. The methodology and results are described in Section 3 and Section 4, respectively. Finally, in

Section 5, we summarize and discuss our observational results of the coronal rain.

2. OBSERVATIONS

The active region (AR) under study was observed by IRIS on 2017 June 2 between 07:28:00 UT – 12:54:39 UT when

it was close to the East limb of the Sun (Figure 1). We use level 2 slit-jaw imager (SJI) data from the Interface Region

Imaging Spectrograph (IRIS; De Pontieu et al. 2014) combining two IRIS passbands; far-UV (FUV) and near-UV

(NUV) passbands. These two passbands are centered on 1400 Å (dominated by the Si IV 1402.77 Å transition region

line forming at 104.8 K) and on 2796 Å (dominated by the Mg II 2796.35 Å chromospheric line forming at 104 K),

respectively. IRIS1 conducted a 64-step raster centered at [-970′′,143′′], providing a large maximum SJI field-of-view

(FOV) of 232′′×182′′. The pixel scale for this dataset is 0′′.3327 pixel−1, the average cadence for these SJI passbands

are 43.1 s (SJI 1400) and 32.3 s (SJI 2796), and the exposure time for these channels is 15 s.

We further analyse observations of this AR by the Atmospheric Imaging Assembly (AIA; Lemen et al. 2012) on

board of the Solar Dynamics Observatory (SDO; Pesnell et al. 2012) with 12 s cadence and an exposure time of 2.9 s.

The AIA observations contain seven broad passbands, however, we focused on the AIA 304 Å channel dominated by

He II line (forming at ≈ 105 K) for the rain detection and its analysis. The pixel size of AIA is 0′′.6 pixel−1, however,

for the purpose of co-alignment, we have rebinned the AIA data to match the SJI plate scale.

In order to distinguish between the different datasets used in this study, we will use specific names for each. The

dataset we mentioned above hereafter will be referred to as the “rain dataset”, while the dataset below will be referred

to as the “pulsation dataset.” We also study the long-term intensity pulsations of this region using 3-day (starting

from the 1st of June and ending on the 4th of June) level-1.5 datasets in all seven AIA EUV channels (94 Å, 131 Å,

171 Å, 193 Å, 211 Å, 304 Å, and 335 Å), focusing on a FOV of 332′′×282′′ (see Figure 1 right panel) FOV centered at

[-970′′,142′′] (see Fig. 1). For this study, we use a cadence of 5 minutes. The AIA data are read and calibrated to level

1.5 using the routine aia prep from the Interactive Data Language SolarSoftware library (IDL SSW). The intensities

are first normalised to the exposure times, and a 4×4 pixel binning is applied to increase the signal-to-noise ratio.

Please see Froment et al. (2015, 2020) for further details. Contrary to previous studies, we also check for the existence

of short-term periodicities (<1 hour) in the same region.

3. METHODOLOGY

3.1. Data preparation

For the co-alignment between the AIA and SJI channels, we first resample the AIA data to the SJI plate scale.

The co-aligning is then achieved by matching the solar limb and on-disk features seen in co-temporal images of

1 https://www.lmsal.com/hek/hcr?cmd=view-event&event-id=ivo://sot.lmsal.com/VOEvent%23VOEvent IRIS 20170602 072800
3620110460 2017-06-02T07:28:002017-06-02T07:28:00.xml

https://www.lmsal.com/hek/hcr?cmd=view-event&event-id=ivo://sot.lmsal.com/VOEvent%23VOEvent_IRIS_20170602_072800_3620110460_2017-06-02T07:28:002017-06-02T07:28:00.xml
https://www.lmsal.com/hek/hcr?cmd=view-event&event-id=ivo://sot.lmsal.com/VOEvent%23VOEvent_IRIS_20170602_072800_3620110460_2017-06-02T07:28:002017-06-02T07:28:00.xml
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Figure 2. Top: Average spatial mean angle maps over the entire time sequence as derived using the Rolling Hough Transform
method. Middle and bottom: Average temporal mean angle maps separated into upward and downward (middle) and upward
(bottom) motions. The spatial mean angle maps indicate the inclination of the rain with respect to the vertical direction, while
temporal mean angle maps indicate the dynamical change along a trajectory. The dashed black curves indicate the solar limb.

AIA 1600 Å and SJI 2832 Å, which form under similar conditions. Once the x and y shifts are obtained at various

time instances, an interpolation is performed for any other time sequence and applied to all other channels.

As discussed in Wülser et al. (2018), IRIS observations are influenced by a modest level of scattered light that is

pointing-dependent and often difficult to characterize, especially for off-limb observations. Due to this scattered light

and imperfect flat fielding, the rastering mode of IRIS results in a background contribution that shows apparent motion

relative to the solar image and thereby causes a non-trivial, time-dependent noise in the SJI images that periodically

increases the intensity in the image. This artificial periodic intensity is 17.2 min in both SJI 1400 Å and 2796 Å, and

it is more pronounced in SJI 2796 closer to the limb but is clearer relative to the coronal rain intensity high above the

limb in SJI 1400 Å. We partially corrected for this noise pattern by calculating the minimum intensity evolution over

a raster for each pixel in both SJI channels. The SJI cube is then divided by the minimum intensity value at each

pixel and time step.

The AIA 304 Å channel has a temperature response peak at ≈ 105K from He II 304 Å emission. However, the

bandpass also incorporates a secondary peak at ≈ 106.2K due to Si XI 303.32 Å. When observing coronal rain off-limb,

the intensity of both components can be similar because the Si XI component coming from the surrounding diffuse hot

corona is greater in extent along the line-of-sight than the He II component coming from the small, clumpy coronal

rain (Antolin & Rouppe van der Voort 2012; Froment et al. 2020). Besides temperature, both plasma emissions also

differ strongly in their morphology. While the cool emission is clumpy, the hot emission is diffuse. We, therefore,
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use a morphology-based approach called Blind Source Separation (BSS) to separate both components, as outlined in

Dudok de Wit et al. (2013). We have tested the combination of several AIA channels as source components with

different numbers of morphological components, and we find that the combination of four source AIA channels (335 Å,

304 Å, 211 Å, and 193 Å) with 3 main morphological components is enough to isolate the clumpy coronal rain structure

from a given 304 image.

Figure 3. Percentage difference maps of coronal rain occurrence (top) and the scatter plots (bottom) of the spatial mean angles
given in Figure 2. We calculate the total number of rain pixels over time in each x and y position for each channel, identifying
common non-zero locations and taking the difference of absolute values between them. The resulting difference maps are divided
by the total number of images to obtain a percentage difference. The dashed lines over the top plots indicate the solar limb.
The Pearson correlation coefficient (R) for each pair is indicated in the bottom plots.

3.2. Coronal rain detection

To apply our semi-automatic coronal rain detection routine, we first remove the region around the solar limb to

avoid its large brightness contrast. We also remove the spicular region above the limb, defining a minimum height

(6 Mm) for the off-limb FOV in order to avoid most of the spicules and other low-lying, cool chromospheric features,

which are typically seen at heights of 4-10 Mm above the solar surface (Beckers 1968). Then, we apply an automatic

detection routine called the Rolling Hough Transform (RHT; Schad 2017) based on the Hough Transform (Hough

1962) (a technique for detecting lines, circles, and curvilinear structures) in order to detect and quantify the apparent

motion of the raining material. Along the temporal axis, a running mean filter is applied to ensure that the rain

clumps trace out some path for each individual time step. This local path is then used to determine a flow direction in

the plane-of-the-sky (POS). For the SJI 1400 Å, SJI 2796 Å, and AIA 304 Å channels, we used a 10-step (≈ 7.18 min),

a 13-step (≈ 6.99 min), and a 17-step (≈ 3.4 min) running mean filter, respectively. Such values are chosen according

to the observed speeds in coronal rain and thus the time it takes to see a significant change locally in the image.

Subsequently, the code applies a bidirectional difference filter along the temporal axis to assist in flow segmentation.

For the IRIS channels, we use a 5-step (≈ 3.6 min in SJI 1400 Å and ≈ 2.7 min in SJI 2796 Å), and we use a 21-step

filter (≈ 4.2 minutes) for the AIA 304 Å to account for the faster cadence. After that, we use 29 pixels for the circular

RHT kernel width (Dw) for all channels (i.e. the circular region with a diameter Dw centered on each image pixel to

be evaluated at one time). Choosing a wider kernel size leads to less detection of small rain clumps but reduces the

background noise. Therefore, we choose this value according to the observed minimum length of the rain. Finally, the
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standard deviation accounting for the background noise σnoise is 2, 2.1, and 0.008 for the SJI 2796 Å, SJI 1400 Å,

and AIA 304 Å, respectively (the different noise values in 304 Å are due to the ‘Cool 304’ pre-processing of images

explained above).

Using all these input parameters, the RHT routine produces four main outputs (each output has 3D dimensions

with position x, y and time t) providing spatial and temporal information for each. These are the mean axial direction,

the peak of the RHT function, resultant length, and error in the mean axial direction. The mean axial direction

(θxy for the spatial part and θt for the temporal part) shows the spatial and temporal directions of each detected

pixel. To accurately define these mean directions, the RHT function (Hxy(θ) in the spatial part and Ht(θ) in the

temporal part) is used to accumulate pixels to define a mean direction. For this purpose, an adaptive threshold is

defined according to the peak of the RHT function (max[Hxy(θ)] and max[Ht(θ)]), which is the second output of the

RHT routine. Any values below this threshold do not contribute to the mean direction. The resultant length (R̄)

is a measure of dispersion between 0 and 1. Values close to 0 or 1 indicate an ill-defined or well-defined mean axial

direction, respectively. The last output is the error (εxy and εt) in the mean axial direction. A detailed explanation of

all these parameters can be found in Schad (2017). In total, we detected 4.33×106, 2.11×106, 3.25×106 rain pixels in

SJI 2796 Å, SJI 1400 Å, and AIA 304 Å, respectively. These numbers are smaller than those detected in the same AR

in Şahin & Antolin (2022) (6.5×107, 4.9×106, 6.33×106 in the AIA 304 Å, SJI 1400 Å, and SJI 2796 Å, respectively).

This is because of the stricter conditions we have used in the RHT routine since we are interested in higher accuracy

when calculating trajectories and projected speeds in our analysis. Accordingly, we have also required the following

set of conditions. We only include the pixels for which Rxy ≥ 0.8, max[Hxy(θ)] ≥ 0.75, Rt ≥ 0.8, max[Ht(θ)] ≥ 0.75

for all channels, and |θt| ≤ 84◦ for the AIA 304 Å and |θt| ≤ 88◦ for both SJI channels, since these values ensure

relatively small errors for projected velocities. The remaining rain pixels for our analysis are 6.71×105, 1.90×105, and

2.83×105 in the SJI 2796 Å, SJI 1400 Å, and AIA 304 Å, respectively.

3.3. EUV pulsation detection

For the long-period pulsation analysis, we study 3-days data at a cadence of 5 minutes (between 2017.06.01 05:00

UT and 2017.06.04 05:15 UT) with AIA using a different version of the automatic detection algorithm used in Auchère

et al. (2014) and Froment et al. (2015), modified for off-limb observations (Froment et al. 2020). In this routine,

the power spectral density (PSD) is calculated for each time series associated with each pixel of the FOV, without

specifically searching for pulsations in a particular region or structure. A 4×4 pixel binning is applied to increase

the signal-to-noise ratio. Please see the above-mentioned papers for additional information regarding the detection

algorithm.

4. RESULTS

4.1. Spatial and temporal mean angle and rain occurrence

The average spatial (θxy) and temporal (θt) mean angle maps over an entire time sequence from the RHT analysis are

shown in Figure 2. The spatial mean angle θxy is related to the inclination of the rain in the POS, while the temporal

mean angle θt shows the dynamical change along the trajectory. All the colored pixels in these maps correspond to

coronal rain pixels. As seen, coronal rain occupies a wide POS area over the AR. It is worth noting that much more

rain is seen to occupy the FOV (about a factor of 10 more rain pixels exist). However, as explained in the previous

section, we choose to set strict conditions for the detection of coronal rain in order to more accurately capture the

dynamics and trajectories.

The observed rain trajectories match well the expected large-scale magnetic field topology of the AR, given the

sunspot at the centre of the FOV. It is worth noting that this is the first of its kind high-resolution coronal field line

tracing on a large-scale with coronal rain. In the temporal mean angle maps (bottom maps in Figure 2), the green

and red colours (negative values) represent downward motion which, as expected from the action of gravity on coronal

rain, is much more dominant. The total pixel number of downflow motions are 6 × 105,1.6 × 105, and 1.9 × 105 for

the SJI 2796 Å, SJI 1400 Å, and AIA 304 Å, respectively, which represent 90.05%, 83.44%, and 89.11% of the total

detected rain pixels. Upward motions are also ubiquitous (6.7× 104(9.95%), 3.1× 104(16.56%), and 3.1× 104(10.89%)

for the SJI 2796 Å, SJI 1400 Å, and AIA 304 Å, respectively), particularly near the sunspot, as seen in the bottom

panel (blue). This is expected because gas pressure can also play an important role in coronal loops (Antolin et al.

2010), a result supported by recent 2.5D numerical simulations (Li et al. 2022).
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Figure 4. Average (top) and Extremum (bottom) difference maps of absolute spatial mean angle values given in Figure 2.
These values have been saturated by 11 degrees in order to see the spatial variation better. The dashed lines over the top plots
indicate the solar limb. Please refer to the text for further details.

In Figure 3, we investigate the difference in coronal rain occurrence across the channels. On the top and bottom

panels, we show, respectively, maps of ‘percentage difference’ in coronal rain occurrence and scatter plots of the spatial

mean angle together with the Pearson correlation coefficient. Here, we use the absolute spatial mean angle values

and an equal number of time steps across channels to obtain maps of the difference in coronal rain occurrence. Since

the SJI 1400 Å has the lowest cadence, we select it as a reference channel and find the closest time to it on the SJI

2796 Å and the AIA 304 Å. For each pair of cubes among this set of three, we first calculate the total number of

rain pixels (defined as non-zero spatial mean angle values) over time in each x and y position and gather them in a

new cube. Then, we find the locations common to both new cubes (one for each channel) where we have non-zero

values. Finally, we take the difference between them and divide it by the total number of images to obtain a percentage

difference in coronal rain occurrence. As shown by the scatter plots, coronal rain emission in all channels is highly

correlated (R = 0.84 between the SJI 1400 Å and 2796 Å, 0.79 for the AIA 304 Å and SJI 1400 Å, and 0.85 for the AIA

304 Å and the SJI 2796 Å). This indicates that at a global level, coronal rain is multi-thermal, with chromospheric

emission co-located on average with transition region emission. However, the normalised difference maps in the top

panels reveal strong localised differences in all channels. From the top right and left panels, we see more rain in

2796 Å than in 1400 Å and 304 Å towards the footpoints. There is also more rain emission in the SJI 1400 Å than in

the AIA 304 Å (top middle panel). These differences may also be due to intensity (opacity of the line) and contrast

with the background, additional noise (low instrumental sensitivity, especially for the AIA 304 Å), and the spatial

resolution of the instrument.

To investigate the differences in trajectories across the temperature range, we show in Figure 4, the average (top)

and extremum (bottom) difference maps of absolute spatial mean angle values. Similar to Figure 3, we used an equal

number of images for the channels. Here, we first find the locations common to both channels where we have non-zero

values, and then we take the difference between them. Then, for a given time t we take a time length around t equal

to the mean running filter (chosen for the RHT routine) so that significant change is seen locally. We calculate the

average and extremum (maximum in absolute values, retaining the sign of the difference) of the differences over this

time range (over non-zero instances) between the two channel pairs, and store the average and extremum in two new

cubes. We repeat this process for all spatial pixels, and we then calculate the average and extremum over time for these

two cubes in the top and bottom panels in Figure 4, respectively, over all non-zero time instances. The differences
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across channels are below 10 degrees on average, while the extrema hover around 10 degrees with isolated cases of

up to 20 degrees (the figure is saturated at 11 degrees to best observe the trends). The |1400| − |2796| panels reveal

that differences occur on average in regions characterised by inclined structures or at the apexes of loops. We also

observe increased variations close to the sunspot or solar surface. On the other hand, the other panels (|304| − |1400|
and |304| − |2796|) show a more spatially uniform distribution of the differences. It is likely that the reduced accuracy

of the RHT method in the near loop apexes, attributable to the slower speeds of clumps in these regions, contributes

to the observed differences in these locations. However, for structures characterized by higher speeds, such as those

near the sunspot and inclined structures, the observed differences are more likely to be genuine. We can think of two

possibilities. They may be the result of the superposition of loops along the LOS, particularly for the SJI 1400 Å,

which is usually optically thin. Similarly, the narrow width of the rain may reduce the optical thickness of the SJI

2796 Å. Another possibility is multi-thermal plasma moving differently in the same pixel elements, which would lead

to shear motions.

4.2. Rain Clumps Dynamics

In this section, we show the dynamical results obtained through the RHT analysis. In Figure 5 (top panels), we

show projected velocity maps resulting from the individual measurements of the rain clumps. The velocity along each

curvilinear path obtained from the RHT temporal mean angle (θt) is (Schad 2017):

v|| = tan θt(
δx

δt
). (1)

Here δx is the spatial sampling on the date, which is 244.72 km for the SJI channels and 244.75 km for the AIA

channel, and the δt is the average cadence, which is 43.1 s, 32.3 s, and 12 s for the SJI 1400 Å, 2796 Å, and AIA 304 Å,

respectively.

The projected velocity is also related to the spatial mean angle θxy through the horizontal (Equation 2) and vertical

velocities (Equation 3):

vx = v|| cos θxy (2)

vy = v|| sin θxy (3)

The projected velocity can also be decomposed in terms of the tangential (Equation 4) and radial (Equation 5)

velocity components:

vtan = vx(− cos (α)) + vy(− sin (α)) (4)

vrad = vx(− sin (α)) + vy cos (α), (5)

where α denotes the angle between the radial and horizontal directions in radians. The projected velocity is then:

vp = |v||| =
√
v2tan + v2rad (6)

The average projected velocity of SJI 2796 Å SJI 1400 Å and AIA 304 Å are shown in Figure 5 with respect to rain

direction (downflows and upflows). As seen in these maps (first two rows from the top), most of the coronal rain clumps

accelerate during the fall. Correspondingly, higher velocities can be clearly seen in the centre of the active region (near

the sunspot) in all three channels for downflow motions. Interestingly, this is also the case for the upflows, which

suggest an increasingly larger role of gas pressure at lower heights (see Discussion section). In the last two bottom

panels in the same Figure 5, we show the differences between projected velocities across the channels by following the

same method as for Figure 4. We note a salt-and-pepper distribution of highly localised red and blue values, which

may again correspond to times for which a rain pixel is detected in one channel but not the other channel. However,

some interesting large-scale differences emerge. For instance, in the |1400| − |2796| panel, more blue pixels are seen

near the sunspot, suggesting higher velocities (≈ 20 km s−1 higher) in 1400 Å than in 2796 Å. The |304|− |2796| panel

shows larger patches of the loops that are consistent with one colour, and higher speeds seem to be found in 304 Å
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Figure 5. Average downflow (top row) and upflow (second row from top) projected velocities in SJI 2796 Å (left), SJI 1400 Å
(middle), and AIA 304 Å (right). The average and extremum differences of the projected velocities saturated by 55 km s−1

(panels in the last two bottom rows). The dashed lines over the plots indicate the solar limb. Please see the text for more
details.

near the sunspot, consistent with the previous result. The |304| − |1400| panel shows more red than blue, suggesting

higher 1400 speeds. This result suggests the presence of multi-thermal shear flows and/or density (and temperature)

dependent speeds. However, the drag effect, which is dependent on density predicts the opposite result, with higher

speeds for denser (and therefore cooler) rain.

The number of snapshots in the datasets (SJI 2796 Å, SJI 1400 Å, and AIA 304 Å) is different between the channels.

Also, we have different exposure times, which change the characteristics of the rain (particularly the length of rain
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clumps). Therefore, we calculated the rain area per second in each channel using the number of snapshots, pixel size,

and exposure times (the unit is arcsec2s−1) as given in Equation 7.

Rain area per second = (Npixels/nt)× (dxdy/Dt) (7)

where Npixels is the total number of pixels in a given channel, nt is the number of snapshots, dxdy is the pixel size,

and Dt is the exposure time.

Figure 6. Top: 1D Histogram distribution of the projected velocities for downflows (left) and their height distribution (right)
in the SJI 1400 Å (red), SJI 2796 Å (blue), and AIA 304 Å (green), with the corresponding median and standard deviation in
the inner caption. Bottom: Same as above but for the upflows.
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The histogram of projected velocities in Figure 6 on the left panels shows a broad distribution of downflow and upflow

projected velocities, with peaks below 50 km s−1 and long tails to high-velocity downflows (up to 200 km s−1). The

overall shape of the distributions is very similar across the channels, and consequently, the median velocities are very

similar as well, with 43.59±36.36 km s−1, 37.88±28.42 km s−1, and 41.06±34.05 km s−1 in SJI 1400 Å, SJI 2796 Å,

and AIA 304 Å, respectively for the downflow projected velocity. On the other hand, these are 49.17±45.88 km s−1,

45.36±47.07 km s−1, and 62.27±51.54 km s−1 for the upflow projected velocity in the SJI 1400 Å, SJI 2796 Å, and

AIA 304 Å, respectively. The variation of the median projected velocities for both downflow and upflow motions with

projected height is shown on the right panels in Figure 6 for SJI 1400 Å (red), SJI 2796 Å (blue) and AIA 304 Å (green),

where zero height corresponds to the solar limb, also shown in Figure 5 with dashed lines on the panels. The median

projected velocities for the downflow motions are quite similar at all heights, particularly between SJI 2796 Å (blue)

and AIA 304 Å (green), SJI 1400 Å has slightly larger velocity values at higher heights (≥ 18 Mm). This is in

agreement with the results from Figure 5. This plot also indicates that the rain experiences small acceleration at

higher heights (close to loop apexes) and then continues downward with an almost constant velocity, which is expected

from gas pressure forces (Oliver et al. 2014). Relative to the downward motion, the upflow projected velocities show

much more variation with height, suggestive of strong gas pressure changes associated with the rain’s fall. The high

speeds found in the histogram of Figure 6 therefore correspond to highly localised measurements which can be due to

apparent effects or errors in the RHT routine and not to large-scale bulk flows due to gravity.

Figure 7. Space-time diagram of spatial mean angle for the SJI 2796 Å (top), SJI 1400 Å (middle), and AIA 304 Å (bottom).
The grey shaded area on SJI maps corresponds to times of cosmic rays, in which the detection of coronal rain is affected.

In order to study the time evolution of the coronal rain dynamics, we plot in Figure 7 the time-distance diagrams

of the spatial mean angles seen in the SJI 1400 Å (top), the SJI 2796 Å (middle), and the AIA 304 Å (bottom). Here,

we overlay all time-distance maps for each radial axis and present the positive (on the right plots) and negative (on
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the left plots) spatial mean angle inclinations separately. Coronal rain (clumps and showers) is continuously observed

during the entire time duration of the observations and across the full radial extent of the IRIS data. Although there

are many overlapping rain trajectories over time, Figure 7 reveals that the spatial mean angle changes with height

and in time (for individual trajectories), suggesting a change in the rain’s projected velocity as it falls. This change

suggests an acceleration, but it is likely an apparent acceleration caused by the small angle between the LOS and the

plane of the loop (which leads to slow speeds for rain near the loop apex). On the other hand, Figure 6 shows a linear

increase in velocity with decreasing height, indicating a small constant acceleration. This result can be explained by

gas pressure restructuring produced by the condensation formation (Oliver et al. 2014; Mart́ınez-Gómez et al. 2020).

The change in the slope could actually not correspond to acceleration but a change in the angle between the LOS and

the vector tangent to the flow. If the LOS makes a small angle with the loop plane, the angle between the LOS and

the vector tangent to the flow would be close to zero at the apex of the loop, which makes the projected velocity very

small, while towards to loop leg, the angle would increase toward 90 degrees, which makes the projected velocity close

to the total velocity.

In Figure 8, we show the 2D probability distribution function (PDF) of the tangential, radial, and downflow projected

velocities relative to the height of the rain material. As seen in Figure 2, rain clumps appear on both sides of the AR in

a roughly equal manner and this is seen as a bi-modal distribution in the tangential velocity maps (top panels). In the

middle and bottom panels, we can see that the downward velocities are consistently lower than the free-fall velocity

limit (taking an average starting position from the rest of 45 Mm), in agreement with previous results (Schrijver 2001;

De Groof et al. 2004; Antolin et al. 2010).

Figure 8. Two-dimensional probability distribution functions (PDFs) of the tangential, radial, and downflow projected ve-
locities. The white parabola denotes the free-fall velocity change with height, taking as starting height the observed average.

4.3. Morphology

We now turn to the statistical determination of the size of individual rain clumps. The width of the clumps is

calculated in the following way. Given a clump pixel at a particular time and location, we first obtain the spatial mean

angle information. We then draw a perpendicular line to the trajectory of the clump at that pixel and fit a Gaussian
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Figure 9. Method for calculating the rain clump’s width (d) and length (e) in SJI 2796 Å (a), SJI 1400 Å (b), and AIA 304 Å (c).
The orange line in each top panel shows a cut crossing the rain clump at a particular pixel, perpendicular to the clump trajectory,
which is used to calculate the clump’s width from a Gaussian fit to the intensity profile across that line (FWHM corresponds
to the cyan part). The white lines denote the cuts along the clump that are used to calculate its length (corresponding to
the blue part). The intensity profiles of the clump along the orange (d) and white (e) cuts are shown in the bottom panels,
together with the resulting extrema positions indicating the width and length (dashed lines in each panel with green, red and
blue corresponding to AIA 304 Å, SJI 1400 Å and SJI 2796 Å, respectively). Filled circles correspond to the intensity positions
at FWHM. See the main text for more detail.

to the intensity profile interpolated over the perpendicular line (see the orange line in Figure 9). From the fit, we

obtain the full width at half maximum (FWHM), which we take as the width for the rain clump at that pixel.
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We also set a condition on the intensity of the profile to avoid background noise, and we set an intensity threshold

below which we neglect the intensity profiles. The thresholds for each channel are calculated by selecting a small

region without any visible structure and calculating the average intensity over the entire observational sequence. As

we mentioned in Section 3, the noise level across the image and during one raster is non-uniform because of the

scattered light and imperfect flat fielding. Although this non-uniformity is corrected to some degree in our data

calibration (see section 3) it is not entirely removed. We, therefore, take into account a spatially and temporally

non-uniform secondary noise threshold that is used for the calculation of the length. Given a rain pixel detected by

the RHT, the width calculation procedure explained above includes a Gaussian fitting whose FWHM sets the width.

As seen in Figure 9, this procedure also sets an intensity threshold, the intensity at half maximum (filled circles

corresponding to the positions of the dotted lines in panel d), which we use as the non-uniform intensity threshold for

the length calculation (intensity values corresponding to the positions of the dotted lines in panel e).

To calculate the clump length, given a pixel location, we first take the centre point of the Gaussian fit used to

calculate the clump’s width at that location. Using the spatial mean angle at this centre point, we draw a path along

the same trajectory and determine the locations along this path at which the intensity of the clump falls below the

non-uniform noise threshold explained above. These naturally lead to two points above and below the centre point,

which define the extrema for the length calculation. The average of all the length calculations for all pixels of a given

clump would provide an accurate measurement of the clump’s length. An example of this method is shown in Figure

9.

The histogram plots in Figure 10a,b show the widths and lengths distributions of all the pixels of the traced coronal

rain clumps in all three channels. The distributions are similar in shape across all channels and are slightly asymmetric

with a small tail at higher values. The average widths are found to be 0.84±0.24 Mm for SJI 2796 Å, 0.74±0.22 Mm

for SJI 1400 Å, and 1.26±0.35 Mm for the AIA 304 Å. The lengths, on the other hand, are found to be 5.35±3.99 Mm,

4.78±3.52 Mm, and 6.91±4.96 Mm for the same channel ordering. The widths between SJI 1400 Å and SJI 2796 Å

are, therefore, similar, but the widths found in AIA 304 Å are significantly larger. This may be explained by the lower

spatial resolution in AIA 304 Å and the fact that the rain widths are only a few times higher than the instrument’s

resolution (≈ 0.87 Mm for the AIA and ≈ 0.48 Mm for the SJI channels). A similar result but to a lower degree is seen

for the lengths, which are an order of magnitude larger than the widths. The bottom plots (c,d) show the width and

length variations with height above the solar surface (z = 0). The widths are fairly constant as the rain falls; however,

the lengths vary significantly, becoming shorter as the rain falls (passing from ≈15 Mm to 6 Mm). The reason for

the shortening length of the clumps is probably due to the fact that they cross below the limb, and we are, therefore,

unable to track them further. Another reason may be that the rain also elongates (i.e. becomes less clumpy), which is

supported by the increasing trend in Figure 10d between 20 Mm and 40 Mm, in which case the temporal segmentation

approach is less accurate.

4.4. Long and short term periodicity

We now check for the existence of long and short-period intensity pulsations using the 3-days data at a cadence of 5

minutes (between 2017.06.01 05:00 UT and 2017.06.04 05:15 UT). In Figure 11, we show the contours of some of the

detected pulsations regions in AIA 171 Å (cyan) and AIA 193 Å (dark blue) over an AIA 171 image of the AR with

the overlaid 2796 spatial mean angle map from coronal rain given in Figure 2. These contours correspond to regions

with more than 10σ of normalized power. The pulsations are mostly found at the top or apex of the coronal loop

structures, probably due to the reduced superposition of bright coronal structures at higher heights.

To further check the existence of periodicity, we repeated the Fourier power calculation for manually selected, smaller

areas inside these regions and found periods between 3 and 9 hours. In Figure 12 we show one example of such analysis,

with the pink square in the AIA 171 map of the selected sub-region that we focused on for the detailed analysis. The

AIA 171 Å lightcurve on the top-right panel shows the time evolution over the 2.4-day period of the intensity variation

summed over the pink square. The bottom panels show the corresponding Fourier spectra (right) and the map of

normalized power (left) for the AIA 171 Å passband in logarithmic scale at the frequency of the highest power peak

75.97µHz ( 3.65 hours) with the same field of view as in the top-left panel. The solid red curve in the Fourier spectrum

is the estimate of the average local power (and therefore, a representative of the noise level), and the blue curve is the

10σ detection threshold. In the 131 Å and 193 Å channels, we find power peaks at the frequency of 76.8µHz, with a

normalised power of 11.33σ and 8.77σ, respectively. For the remaining channels (94 Å, 211 Å, and 335 Å), there is no

significant power. The power in 171 Å is the highest, with 14.30σ. Even though it has been not shown in this study,
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Figure 10. Histograms of rain clump widths (a), lengths (b), and their variation with height (c,d), respectively. Blue, red and
green denote, respectively, SJI 2796 Å, SJI 1400 Å, and AIA 304 Å (see legend). In the bottom panels, circles and error bars
correspond to the average width (c) and length (d), and their average standard deviation at each height bin.

we have also checked this periodicity with a wavelet analysis that shows a 95% confidence level for a significant power

distribution (13.94σ) between 18:55:09 and 3:15:09 time range.

In Figure 7, there seem to be quasi-periodic downflows in the time-distance series over the entire field-of-view. To

investigate this possibility and, more generally, the existence of short periodicity, we focus on the datasets and time

range where rain is visible in both AIA and IRIS channels (i.e. 5.45 hr data in SJI 2796 Å, SJI 1400 Å, and AIA 304 Å).

We look for the existence of periodicities by first fixing a height above the limb and summing the intensities at that

height both over the entire field-of-view and also locally by constraining the range in the Y axis. We construct
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Figure 11. Location over the active region of the long-period EUV intensity pulsations in AIA 171 Å (cyan contours) and AIA
193 Å (dark blue contours) with normalised Fourier power above 10 sigma. Each contour is labelled with the corresponding
dominating frequency: 75.97 µHz/3.65 hr (1), 65.28 µHz/4.25 hr (2), 38.40 µHz/7.23 hr (3), and 49.92 µHz/5.56 hr (4). We
overlay the spatial mean angle map obtained with the RHT from the IRIS 2796 images.

lightcurves at every 8 Mm height starting from the solar limb and summing over a height thickness of 8 Mm. We then

check for strong power peaks in the corresponding Fourier spectrum. In Figure 13, we show a region at 15 − 23 Mm

heights (red square) in the SJI 2796 Å, SJI 1400 Å, AIA 304 Å, AIA 171 Å, and AIA 131 Å images (left-columns)

where a significant Fourier power is found (right columns). AIA 171 Å has a peak of 11.04 σ, which corresponds to

the frequency of 2749.71 µHz (6.06 min). In AIA 131 Å, two peaks of 12.36 σ and 13.84 σ powers were found at the

frequency of 1934.98µHz (8.61 min) and 2902.48µHz (5.74 min). There is further no peak at exactly those frequencies
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Figure 12. Top Left: AIA 171 Å map with one of the detected EUV intensity pulsation regions (cyan contour). The pink square
is the sub-region for the detailed analysis. Top Right: AIA 171 Å intensity evolution over the observational period summed
over the sub-region. The dashed vertical line shows the time of the right map, while the vertical blue dotted lines indicate the
observation time window of the IRIS instrument (i.e. 5.45 hr). Bottom Left: The normalized power map of the AIA 171 Å in
logarithmic scale at 75.97 µHz (3.65 hr). Bottom right: Fourier power spectrum of the AIA 171 Å lightcurve. The solid red
curve shows the estimation of the average local power, and the blue curve is the 10 σ detection threshold. Accompanying movies
are also available. The movie has the same layout as the figure and shows the evolution of the active region in AIA 171 Å and
the corresponding normalised power map at a frequency of 75.97 µHz over the 2.4-days period around the IRIS observation
time. In the movie, we can see the AR rotating into the disc starting from 1 June 2017, 18:55:09 UT to 3 June 2017, 05:15:09
UT. The red dashed vertical line in the top right panel shows the time of the top right panel.

in AIA 304 Å. A peak of 10.78 σ power was found at the frequency of detection of 1018.41µHz (16.36 min) in the

AIA 304 Å channel. In the SJI 2796 Å and SJI 1400 Å, the power and confidence level at the same frequency are

significantly lower (4.12σ, 6.26σ, respectively). As mentioned previously, due to the IRIS rastering mode, the apparent

motion caused by the light scattering and imperfect flat-fielding introduces a non-uniform background noise. This

effect periodically increases the intensity non-uniformly over the AR (with the centre part being more affected). The

periodicity of this apparent motion is 17.2 min for both SJI 1400 Å and SJI 2796 ÅȦlthough the Fourier periodicity

found is not exactly this one, it is possible that part of the power found in nearby frequencies is due to this apparent

motion. To clear-up this possibility, in Figure 14, we show the time-distance map over the blue path shown in Figure

13, which was done with the help of the CRISPEX (CRisp SPectral EXplorer) tool (Vissers & Rouppe van der Voort

2012). To reduce the influence of the apparent motion effect, we first identify in the time-distance map the IRIS
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raster in each channel (1400 and 2796) with no (or minimal) coronal rain (indicated by the red rectangles in Figure

14). We then subtract the intensity in these rectangle areas from all the other IRIS rasters in the time-distance maps

(see panels 2 and 4) in order to distinguish more clearly the coronal rain. The same short timescale rain showers can

be clearly seen in SJI 1400 Å and SJI 2796 Å. These repetitive downflows are also seen in the time distance of the

AIA 304 Å, AIA 171 Å, and AIA 131 Å.

Figure 13. Left columns: The SJI 2796 Å, SJI 1400 Å, AIA 304 Å, AIA 171 Å, and AIA 131 Å images (from top to bottom).
Right columns: Fourier power spectrum of the SJI 2796 Å, SJI 1400 Å, AIA 304 Å, AIA 171 Å, and AIA 131 Å for the lightcurves
constructed by summing over 15 − 23 Mm heights (red squares in the left panels). The red and blue curves correspond to the
average power and 10 σ power levels, respectively.
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Figure 14. Time-distance maps along the blue paths shown in Figure 13 left panels for the five channels. The red rectangle area
(on the first and third panel from the top) indicates the regions with the minimum solar activity that we selected to quantify
the apparent motion variation effect for each IRIS SJI channel. The intensity in this time-distance area is subtracted from all
the other rasters in this time-distance map to reduce the effects of the apparent motion. The original time-distance maps are
given in the first and third panels from the top. The corrected time-distance maps are given in the 2nd and 4th panels.
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5. DISCUSSION AND CONCLUSIONS

In an effort to further understand the fine structure of quiescent coronal rain, we report in this study the first high-

resolution statistical study of the quiescent coronal rain over an entire active region (AR) off-limb and over a significant

time duration (≈ 5.45 hours). The duration of this observation is long enough to study the full cooling phase of the

hours-long TNE cycles (Froment et al. 2015). We aim to study the dynamics and morphology of coronal rain seen in

various channels that probe different temperatures and densities, from its formation point high along the loops down

to the chromosphere. Most, if not all, previous coronal rain observations are done either with ground-based telescopes,

cases in which the rain off-limb can only be observed at the base of the loops (due to the inability of Adaptive Optics

systems to operate off-limb), or focus on small rain events at much smaller scales compared to the AR scale. Coronal

rain research is particularly relevant in the context of coronal heating since coronal rain properties can significantly

constrain the spatio-temporal properties of the coronal heating mechanisms.

Our statistical results show that rain clumps are seen at chromospheric and transition region temperatures cor-

responding to the formation ranges of Si IV and Mg II ions have widths from 0.2 Mm up to 2 Mm, and order of

magnitude longer lengths, from a few Mm to 20 Mm. The results concerning the widths are very similar to those

found by Antolin et al. (2015) for a smaller rain event, despite the 2× lower resolution of our dataset, and are also in

agreement with simulation results (Li et al. 2022). It is worth noting that these widths are roughly 5.8 times larger

than those found in Hα and 1.4 times larger in the same SJI channels of IRIS, which could be partly explained by the

6× lower resolution of our dataset compared to the SST (Antolin et al. 2015) and the twice lower resolution compared

to the IRIS dataset used in that study. Besides resolution, the different (larger) opacities in the Mg II and Si IV lines

compared to Hα observations from the ground likely contribute to the larger widths. Furthermore, the degradation of

the SJI channels may also substantially contribute to increasing the rain widths. On the other hand, the lengths that

we find are significantly longer, which is likely due to the much larger spatial scales analysed here and the fact that

lengths are subject to longitudinal effects along loops (such as gas pressure and gravity). This is supported by the fact

that the lengths found in AIA 304 Å are similar to those found in Antolin et al. (2015) with the same channel. Our

width results suggest that factors defining coronal rain widths operate rapidly (as soon as it forms) and are rather

constant along loop lengths (during their fall). The width of a coronal rain clump has been attributed on one hand

to the fundamental scale over which coronal heating operates (Antolin et al. 2022), which may itself be linked to the

granular scales and associated currents (Mart́ınez-Sykora et al. 2018). Another possibility is that the rain width is set

by the cooling mechanism (TI), through e.g. the wavelength of the unstable mode (van der Linden & Goossens 1991).

Even though the dataset provides good resolution for scales larger than 800 km, we acknowledge that the resolution

may not be sufficient to capture structures at smaller scales, such as those around 500-600 km. However, we note that

the Gaussian fitting technique enables us to confidently detect consistent variations in the widths around 800 km with

height. We also acknowledge that low resolution and degradation effects may limit our ability to see a clear trend if

present. In any case, this result would suggest that the mechanism (heating or cooling) does not vary in such a way

as to modify the width of the clumps as they fall.

On the dynamical side, rain clumps have a broad velocity distribution varying from a few km s−1 to > 100 km s−1,

which is in agreement with both observations (De Groof et al. 2005; Müller et al. 2005; Antolin & Rouppe van der

Voort 2012) and simulations (Fang et al. 2015; Li et al. 2022). We also checked the dynamical change of the rain with

height. We found small downward accelerations at higher heights (between 30-40 Mm). However, during most of the

fall, the rain shows almost constant velocities, with only a small linear increase on average. This linear increase or

constant velocities at lower heights may be a combination of the effective gravity and pressure restructuring (Antolin

et al. 2010; Oliver et al. 2014; Mart́ınez-Gómez et al. 2020). However, we did not find any higher velocities in the

chromospheric SJI 2796 Å emission, which would be expected due to the higher densities compared with the SJI 1400 Å

emission. This may be due to the strong multi-thermal character of the rain, as commented further below.

Besides the downward motion, coronal rain is also known for exhibiting upward motions and complex changes in

trajectories. However, the dynamical aspect of the upward motion of coronal rain has received limited attention in

the current literature. It is worth highlighting those earlier studies, such as Antolin et al. (2010), has already noted

changes in the trajectories of coronal rain, including the occurrence of upflows. In this study, we calculated the

proportion of downflow to upflow motions of the clumps over the observational time, finding a ratio of 7 on average

and a ubiquitous spatial occurrence. The ubiquitous upward motion of the coronal rain has also been obtained in a

2.5-D MHD simulation study by Li et al. (2022). We also found that the upflow speeds of coronal rain are on the

same order as the downflows, with higher upward speeds than downward speeds on average. One possibility is that
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some upflows correspond to an apparent effect due to the change of opacity during the fall. Indeed, coronal rain, as

it falls, undergoes cooling, resulting in an increase in opacity during the fall. This appearance can be sudden, leading

to apparent fast upward motion. On the other hand, these dynamics may be real and reflect a significant role of

gas pressure. Indeed, Mackay & Galsgaard (2001) point out the fact that the chromosphere acts as a piston that

can effectively stop the rain from falling due to the compression downstream. Adrover-González et al. (2021) have

analytically investigated the critical points along the loop (seen as a dynamical system) produced by these line tying

conditions in the lower atmosphere, which leads to oscillations and therefore upflows as well. Oliver et al. (2014) have

shown that gas pressure gradients effectively eliminate the downward acceleration. Therefore, gas pressure changes

can also as easily lead to upflows with similar speeds as for the downflows. We observe the upward speeds to increase

for decreasing height, which is in agreement with the larger gas pressure variation due to compression as the rain

falls. Furthermore, the majority of the downflows we observe go towards the sunspot, with little downflows falling

into adjacent regions, where the other loop footpoints are expected. This strongly suggests that the lower gas pressure

expected within the sunspot (due to the strong magnetic field strength) produces siphon flow-type conditions, which

become thermally unstable under the TNE-TI scenario. Many other observations of sunspots have also observed the

rain prevalently going towards the umbra or penumbra (Ahn et al. 2014; Kleint et al. 2014; Antolin et al. 2015; Schad

et al. 2016; Froment et al. 2020). The impact from the rain is expected to produce strong rebound shocks and flows,

which may constitute the strong pressure changes needed to modify the dynamics of trailing rain clumps and produce

upflows.

We observe coronal rain distributed evenly to some extent in the POS above the AR (from one side and the other of

the sunspot), which suggests that a very large number of loops exhibit coronal rain at some point during the 5.45 hr

duration of the observation, irrespective of their geometry and footpoint location. An estimation of the volume involved

has been done by Şahin & Antolin (2022) by quantifying the spatial and temporal extent of rain showers, which helps

identify the coronal loops against the line-of-sight superposition due to optically thin coronal radiation. It was found

that the total number of showers may be up to 150 with an estimated TNE volume of at least 50 % the AR volume,

suggesting the prevalence of TNE over the AR. This is in apparent contradiction with the results of Mikić et al. (2013);

Froment et al. (2017), who show that loop geometry and heating asymmetries between footpoints play an important

role in coronal rain formation and that small variation of these parameters can easily prevent TNE. However, Froment

et al. (2018); Pelouze et al. (2022) find that such stringent conditions are relaxed for stronger footpoint heating, case

in which TNE becomes prevalent in the parameter space. This would therefore suggest that the loops we observe are

subject to relatively strong, stratified, and high-frequency heating.

We also found that chromospheric emission in SJI 2796 Å from coronal rain is highly correlated with the transition

region emission in SJI 1400 Å and AIA 304 Å, indicating a strongly multi-thermal character, as previously suggested

for isolated rain events (Antolin et al. 2015), and supported by 2.5D radiative MHD simulations (Antolin et al. 2022).

This also indicates that the catastrophic cooling driven by thermal instability is very fast, occurring on timescales much

faster than the free-fall time of the plasma, thereby leading to ‘complete’ condensations rather than ‘incomplete’ or

‘aborted’ condensations for this active region (Mikić et al. 2013). However, the numerical results indicate much longer

coronal rain lengths in transition region lines such as Si IV 1402 Å or He II 304 Å due to an extended tail at transition

region temperatures, which we find in some isolated cases (Antolin et al. 2022), but not an average. Accordingly, the

chromospheric emission is only confined to the head of the rain in the simulation results. This suggests that thermal

instability is actually far more extended along the loops, probably indicating excessive Joule heating in these numerical

simulations.

We also found multiple long-period EUV pulsations associated with the observed coronal rain, all located at the top

of the loops and with periods between 3 and 9 hours, strengthening the result of Froment et al. (2020) that the two

phenomena are 2 sides of the same coin, linked through the TNE-TI scenario. As stated in that paper, it is likely

that we are only observing the tip-of-the-iceberg, with only the strongly periodic pulsations being detected with the

Fourier method. Similarly, it is likely that we are only observing part of the rain associated with the pulsations that

have periods longer than the duration of our dataset (for example, those with periods closer to 9 hr). As mentioned

in Şahin & Antolin (2022), this suggests that the rain and associated TNE-TI volume we observe above this active

region is a lower limit. The fact that we observe them near the loop apexes may be due to the reduced superposition

along the LOS, as also found in Auchère et al. (2018) and Froment et al. (2020).

The TNE cycles are usually periods of hours, a timescale that is set by the radiative cooling time of a coronal loop.

However, in this study, we also observed much faster time scales (in the range of 5−20 min), which makes it a challenge
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to explain in the TNE-TI scenario. This behaviour may partially correspond to a TNE cycle, in which the loop is

continuously sustained by a siphon flow and only one leg of the loop is affected by TNE. In this case, the loop would

never be fully depleted and temperatures are always at warm upper TR level. In such conditions, the radiative cooling

timescale is always short and thermal stability may be triggered in a cyclic manner. Future modelling should explore

the TNE parameter space to explore this possibility.
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ABSTRACT

Context. Despite tremendous progress in the detection and characterisation of extrasolar planetary systems in the last 25 years,
we have not found Solar System analogues. In particular, Jupiter-like planets (either mature or old) are barely detectable beyond
5 au with indirect techniques and are still out of reach of direct imaging.
Aims. We aim at searching for exoplanets on the whole ESO/VLT-SPHERE archive with improved and unsupervised data analysis
algorithm that could allow to detect massive giant planets at 5 au. To prepare, test and optimize our approach, we gathered a
sample of twenty four solar-type stars observed with SPHERE using angular and spectral differential imaging modes.
Methods. We use PACO, a new generation algorithm recently developed, that has been shown to outperform classical methods.
We also improve the SPHERE pre-reduction pipeline, and optimize the outputs of PACO to enhance the detection performance.
We develop custom built spectral prior libraries to optimize the detection capability of the ASDI mode for both IRDIS and IFS.
Results. Compared to previous works conducted with more classical algorithms than PACO, the contrast limits we derived are
more reliable and significantly better, especially at short angular separations where a gain by a factor ten is obtained between 0.2
and 0.5 arcsec. Under good observing conditions, planets down to 5 MJup, orbiting at 5 au could be detected around stars within
60 parsec. We identified two exoplanet candidates that require follow-up to test for common proper motion.
Conclusions. In this work, we demonstrated on a small sample the benefits of PACO in terms of achievable contrast and of control
of the confidence levels. Besides, we have developed custom tools to take full benefits of this algorithm and to quantity the total
error budget on the estimated astrometry and photometry. This work paves the way towards an end-to-end, homogeneous, and
unsupervised massive re-reduction of archival direct imaging surveys in the quest of new exoJupiters.

Key words. Techniques: high angular resolution – Techniques: image processing – Planets and satellites : detection – Methods:
data analysis – Instrumentation: adaptive optics

1. Introduction

Since the discovery of the first, giant planets around solar
type stars almost 30 years ago, thousand of planets have
been discovered, with masses down to a few Earth-mass.
Yet, solar system analogues1 have not been detected, and
we therefore still do not know if our own planetary sys-
tem is unique or not. Detecting Earth twins is still not
possible, and requires major on-going research to correct
for stellar activity with radial velocity (RV) techniques at
the appropriate level (Meunier & Lagrange 2019). Also, de-
tecting Jupiter twins orbiting at 5 au is very challenging
(and not possible at larger separations) with radial veloc-
ity because decade(s) of careful monitoring are needed, and
long term stellar activity is also responsible for a long term
noise. As a consequence, the orbital parameters of the –
still rare – RV planets announced beyond 5 au are poorly
characterized (Wittenmyer et al. (2016), Fernandes et al.
(2019), Fulton et al. (2021)). These limitations prevent pre-
cise comparisons between the radial distribution of giant

1 defined as planetary systems around solar-type stars, hosting
inner Earth-mass planets with at least one in the habitable zone,
and outer sub-Jupiter/Jupiter masses planets.

planets beyond their forming regions and predictions from
population synthesis models to constrain formation scenar-
ios (Lagrange et al, 2022, submitted).

Giant Planets (GPs) played a significant role in the
building of the solar system (see e.g., Levison & Agnor
(2003); Raymond et al. (2014); Morbidelli et al. (2012))
and of exoplanetary systems (see e.g., Quintana & Barclay
(2016); Childs et al. (2019)). Various mechanisms may be
involved, among which dynamical interactions with lighter
bodies (e.g., telluric planets, planetesimals) once the proto-
planetary disk has dissipated and the dynamics is no longer
controlled by gas. GPs could even play a role in the devel-
opment of life on Earth analogues (Horner & Jones 2010),
and could have driven the delivery of water on Earth (Mor-
bidelli et al. 2012). From an observational point of view,
remote GPs may also impact the detectability of lighter
and closer-in planets with the RV technique and with as-
trometry because of the more complex RV or astrometric
signals in case of multiple systems. Hence, knowing their
giant planet population is key to model individual systems.

Detecting giant planets is therefore crucial to under-
stand planetary system formation and evolution. While RV
or transit techniques are best suited to detect GPs orbiting
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within typically 5 au, they are not well adapted to detect
and characterize more remote ones. Absolute astrometry
is well adapted for giants in the 5-10 au (Perryman et al.
2014), even though such long period planets may be dif-
ficult to fully characterize (Ranalli et al. 2018), especially
in the case of multiple systems. Micro-lensing will also be
very useful to constrain the giant planet demographics in
the 5-10 au range (Beaulieu & Bachelet 2021). High con-
trast direct imaging (DI) is probably the most promising
technique to detect and characterize analogues of our so-
lar system giants planets in the future. Yet, current high
contrast instruments like SPHERE (Beuzit et al. 2019) or
GPI (Macintosh et al. 2014) are sensitive to massive young
giants orbiting typically beyond 10 au. As an example, the
SPHERE SHINE GTO survey had a 20% chance of de-
tecting a 2 MJup at 20 au, and a 10% chance to detect a
4 MJup planet at 5 au (Vigan et al. 2021). These limited
performances are due to 1) limitations at the instrumental
and data processing levels, and 2) a geometrical effect: un-
less on pole-on orbits, short period planets may be missed
in a single observation because of a small projected sepa-
rations at the time of the observation. For instance, due to
geometrical effect, a single observation allows us to explore
only half of the 5 au region around a star located 30 pc
away when the planet orbit is seen edge-on. Fortunately,
this geometrical effect can be easily overcome: the region
explored is increased by more than 70% by observing twice
the star a few years apart (Lannier et al. 2017).

In this paper, we apply PACO (patch covariance),
a promising detection algorithm (Flasseur et al. (2018);
Flasseur et al. (2020a); Flasseur et al. (2020b) on a small
sample of stars representative of SPHERE targets, mem-
bers of young close associations observed as part of the
SPHERE/SHINE survey (Desidera et al. 2021) and ob-
served under a wide range of atmospheric conditions. This
analysis constitutes a test-bed for a forthcoming massive
reduction of the SPHERE archive. Our aim is to find the
best analysis strategy and to estimate the detection limits
achievable on these stars. We moreover define our sample
so as to address the following astrophysical question: how
far are we from detecting solar system young giant planets
siblings?

Our paper is organized as follows: the sample and the
data are described in Sect. 2. The data reduction and anal-
ysis are described in Sects. 3 and 4, respectively. Section 5
describes the achievable performance, and Sect. 6 presents
the astrophysical results. A brief summary and a presenta-
tion of future work are finally provided in Sect. 7.

2. Star sample

Our sample gathers all (24) young (≤ 150 Myr), close by
(< 60 pc), solar-type stars (FGK) observed during the
SPHERE/SHINE survey early science release (Desidera
et al. 2021) and already analyzed with conventional post-
processing algorithms in Langlois et al. (2021), hereafter
referred to as F150. The thresholds in age and distance
were chosen to ensure the best detection limits (5 MJup,
down to possibly 1 MJup) possibly down to 5-10 au from
the stars, i.e., at the locations of the solar system giants2.
Figure 1 and Table A.1 show the properties of the stars in
2 Our sample is therefore biased, and the present study is not
meant to have a statistical value.

our sample directly extracted from Desidera et al. (2021).
It can be noted that the histogram of the ages of the con-
sidered stars is bimodal, with one subset aged between 20
and 60 Myr, and the other aged about 150 Myr. This bi-
modal distribution is caused by some stars belonging to
young co-moving groups like AB Doradus (ABDO, 150
Myr), Tucana-Horologium (TUC, 45 Myr), Carina (CAR,
45 Myr), or β Pictoris (BPIC, 24 Myr).

All our targets were observed in angular (and spectral)
differential imaging (A(S)DI, Marois et al. (2006)) using the
telescope in pupil tracking mode. The standard observing
mode of the SHINE survey, namely the IRDIFS mode was
used, with IRDIS dual band images in H2 and H3 (Dohlen
et al. 2008) and IFS (Claudi et al. 2008) data covering the
YJ bands3. Table A.2 and Table A.3 provides descriptions
of the observations and of the associated atmospheric con-
ditions during these observations. The stars were observed
around the time of the meridian crossing, to ensure the
largest amplitude of parallactic angle variations (at least 30
degrees). The atmospheric conditions were heterogeneous,
with a seeing ranging from 0.5′′ to 1.′′ most of the time,
and the coherence time ranging between 1 to 10 ms.

3. Data reduction and frame centering

The reduction pipeline from raw to centered datasets is
similar to the one built for the SHINE survey and described
in Delorme et al. (2017) and Langlois et al. (2021).

To improve the centering of the IRDIS and IFS frames, a
custom built routine that uses the waffle center calibration
has been developed (Dallant et al., submitted). As part of
the observing sequence, before and after the coronagraphic
sequence, two coronagraphic images are recorded with a
waffle pattern applied to the deformable mirror to create
four replicas of the point spread function (PSF) at a sepa-
ration of about 14 λ/D from the central star. These repli-
cas, called satellite spots, are used to determine precisely
the position of the central star behind the coronagraphic
mask before and after the long coronagraphic sequence.

To determine the accurate positions of the satellite
spots, small circular regions are extracted around their the-
oretical positions and a bi-dimensional, non-istropic Gaus-
sian fit is performed using a trust region reflective algo-
rithm (Branch et al. 1999), particularly suited for large
sparse problems with bound constraints. Estimates of the
central star positions are then computed via the centroid
of the resulting fitted satellite spots and their associated
uncertainties. The frames are re-centered using the mean
value of the two estimated centroids. This new routine
is marginally more precise than the one currently imple-
mented in the SPHERE data center, but its main advan-
tage is a much faster computational time: assembling the
4D datacube takes only a few minutes, i.e., more than one
order of magnitude faster than the current pipeline, without
any loss in precision.

Note that when precise astrometric measurements of
known companions are needed, the satellite spots are gen-
erated during the whole coronagraphic sequence. In such a

3 Although no observations using the K12/YJH filters combina-
tion are studied in this paper, the methodological developments
presented in Sects. 3, 4, & 5 are treated without any loss of
generality
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Fig. 1: Properties of the sample stars in terms of distance, age, spectral type, and magnitude.

case, all frames are recentered individually using their own
satellite spots.

4. Analysis pipeline

The analysis pipeline is based on the PACO A(S)DI pipeline
described in Flasseur et al. (2020a) and Flasseur et al.
(2020b). A few important upgrades were made, though:

– Improvement of PACO robustness, i.e., capability to run
PACO on diverse and heterogeneous datasets while con-
sistently providing reliable results, see Sect. 4.1;

– Optimization of spectral priors for PACO ASDI, see
Sect. 4.2;

– Automated and improved computation of astromet-
ric and photometric error bars for each characterized
source, see Sect. 4.3;

– Automated classification of the status of any identified
candidate companion in case of multi epoch observa-
tions, see Sect. 4.4.

Finally, in view of the forthcoming massive re-reduction of
all SPHERE data, a tool was developed to automatically
identify any potential companion, and gather associated as-
trophysical information (astrometry, photometry, spectra,
etc) needed for further analysis. These upgrades are de-
scribed in the following. Both the centering routines and
the analysis pipeline are hosted on the COBREX data cen-
ter, a modified and improved server based on the SPHERE
data center.

4.1. Improvements of PACO robustness

The principle of the PACO algorithm is described in
Flasseur et al. (2018). No fundamental modifications were
made concerning the core and the technical elements of the
methods. The main updates are:

– A refinement of the PSF fitting routine, now implement-
ing a robust strategy based on iteratively re-weighted

least-squares (Huber 2011). This routine improves the
robustness of the fit in the case of very low signal-to-
noise ratio (S/N) in the measured off-axis PSF (e.g., in
absorption bands).

– The management of time-variable missing data, with
a time-variable mask, to account for possible evolution
(during the sequence of acquisition) of the field-of-view
with exploitable data.

Besides, an engineering effort has been made to validate
through numerical experiments the faithfulness of the astro-
physical quantities produced by the algorithm, in particular
concerning the astrometry and photometry, and their asso-
ciated error bars. Due to residual noise, the flux estimate
in the absence of a source is not completely zero on aver-
age. The average level of this effect was estimated for both
ADI and ASDI. Thus, flux estimates for which the detec-
tion confidence is less than 1σ in ASDI and 2.5σ in ADI will
not be considered or used in this analysis or in the massive
reduction. Along the same line, code upgrades (accelera-
tions, automations, and case-specific handlings) have been
implemented to allow for massive reductions performed on
a computer server.

4.2. PACO ASDI spectral priors to increase the sensitivity

The ASDI mode of PACO offers the possibility to com-
bine multi-wavelength datasets into a detection map, using
specific weights to maximize the detection efficiency. These
weights, {w`}`=1:L ∈ [0; 1], are referred as spectral priors
They are represented by vectors with as many components
as wavelengths: L = 2 for IRDIS data, and L = 39 for IFS.
Since all the photometric measurements within PACO are
expressed with respect to the target star, the priors should
also be expressed as the expected companion contrast rela-
tive to the host star (shape-wise). They are then normalized
between 0 and 1 (dynamic-wise). When simultaneously us-
ing multiple priors, the PACO algorithm computes the S/N
of the detected source for each prior. As an illustration, we
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Fig. 2: Evolution of the S/N (blue) for various priors for
a point source observed with IRDIS, and whose spectrum
corresponds to the red mark. The x-axis gives various val-
ues of the priors. The S/N corresponding to the [0.5,1] prior
(significantly different from the normalized contrast of the
injected source) is below the 4σ threshold used for this anal-
ysis, while the S/N reached for spectral prior [1, 0.1] (similar
to the normalized contrast of the injected source) leads to
a clear detection with a significance above the 5σ detection
threshold (dashed black line).

show in Fig. 2 the S/N measured on point sources consider-
ing various priors for IRDIS data in the case of an injected
fake planet, and, in Fig. 3 the same kind of plot for an
IFS dataset and a real point-like source: HD 206893b (Milli
et al. 2017). A more classical ASDI spectral combination
approach, as implemented in the PCA and TLOCI versions
of the SPHERE data center, is somewhat similar4 to the
flat prior combination (i.e., assuming that the sought ex-
oplanets have the same spectral energy distribution (SED)
as their host stars), which is highlighted in Figs. 2 and 3.

As expected, the S/N is higher when the spectral prior
is similar to the planet spectrum. Thus, we must define sets
of spectral priors representative of the variety of the spec-
tra of the potential exoplanets to optimize the detection
capabilities. Besides, while increasing the number of pri-
ors improves the sensitivity to different types of objects5,
it also significantly increases the computational time and
(moderately) increases the number of non-redundant false
positives at a given detection threshold (see Sect. 4.2.2). A
trade-off must then be found.

Fig. 3: Evolution of the S/N (blue) for various priors for
HD 206893b (2017-07-13, IFS, YJ band). The x-axis gives
the index of the priors. The S/N corresponding to the 10
last priors are below the 5σ detection threshold. Priors are
ordered by decreasing S/N for clarity purposes. The S/N
reached for spectral prior close to the spectrum (in con-
trast) leads to a detection with a significance above the 5σ
detection threshold.
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Fig. 4: Integrated H2/H3 flux ratio computed for a planet
with a solar metallicity, C/O=0.50, and with different val-
ues of log(g) and Teff. ExoREM spectra were used.

4.2.1. Selection of spectral priors using fake planets injections

To select the spectral priors, we used a set of four targeted
stars that were used in a recent internal blindtest conducted
by the SHINE consortium that was aimed at comparing
the performance of various detection/characterization algo-
rithms. The targets properties are provided in Table A.4,
and the observing and atmospheric conditions are given in
4 In practice, PACO ASDI also accounts for a confidence weight
estimated locally for each spectral channel, giving more weight
to the spectral channels where the variance of the estimated flux
is the lowest. This information is never accounted for in classical
algorithms like TLOCI and PCA.
5 It has been shown in Flasseur et al. (2020b) that the S/N
of detection is only marginally degraded in the case where the
prior SEDs differ significantly from the true SED of the sources.
In any case, the probability of false alarms remains controlled
at the prescribed detection threshold τ .
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Fig. 5: Integrated K1/K2 flux ratio computed for a planet
with a solar metallicity, C/O=0.50, and with different val-
ues of log(g) and Teff. ExoREM spectra were used.

Table A.5. Several hundreds fake planets with various prop-
erties were randomly injected between 0.12′′ and 5.5′′ in the
case of IRDIS data, avoiding nonetheless blending between
injected sources. For IFS data, about 100 fake point sources
(FPSs) were injected. The injected FPS spectra were taken
from the BT-Settl grid (Allard 2014) and the priors were
built using the ExoREM (Charnay et al. 2019) spectra. We
purposely used different models to inject the fake planets
and to build the priors, to avoid biases that could occur
when using the same library for both the injection process
and the prior definition.

4.2.2. Priors selection for IRDIS

To find the trade-off between sensitivity and computation
time, we considered all possible available spectra, and for
each raw spectrum, we computed the ratio H2

H3 (or K1
K2 ) where

H2 and H3 (respectively K1 and K2) represent the inte-
grated fluxes in these spectral bands. Figure 4 and Fig. 5
show examples of such ratios for a source with various effec-
tive temperatures, a solar metallicity and a C/O ratio of 0.5
for both filter combination. Two regimes can be identified:
(i) a cold one, corresponding to Teff roughly below 1000 K,
where the H2

H3 (resp K1
K2 ) ratio varies from several tens even

hundreds down to 1 mostly because of strong CH4 absorp-
tion in H3 and K2 filters, and (ii) a hot one, corresponding
to Teff above 1000 K, where this ratio is almost constant
– between 1 and 0.6. A similar behavior is observed for all
metallicities and C/O ratio.

The goal is to find the optimal number of priors to explore
these features. To do so, we proceeded as follows:

– We first used all the injected FPSs and measured in
each case the S/N considering different priors. These priors
correspond to the 15 priors showed in the x-axis of Fig. 2. In
this example, the maximum S/N is 6.7. We then repeated
the process using instead 8 spectral priors uniformly spread
over the considered parameter space (by steps of 0.2), 5 (by
steps of 0.3), and 4 (by steps of 0.4). We then considered
the evolution of the maximum S/N as a function of the
number of priors (for each injected FPS). In the case of
relatively faint FPSs (sources that can not be identified on a
single frame), using 5 priors (or more) does not significantly
degrade the S/N (less than 1%), while using 4 (or less) does.

– Second, we then studied the impact of the number of
priors (between 1 and 8) on the rate of false positives. To
do so, we computed the average number of false positives
identified by PACO in the IRDIS FoV (limited to 5.5′′ to
avoid edge effects) on a total of 20 datasets and compared
it to the theoretical value. We can compute the theoretical
expected number of false positives as follows : because the
pixel distribution on the S/N maps is Gaussian, the number
Nfp of false positive per map according to the number npixel
of pixels processed and the probability of false alarm PFA(τ)
at a given detection threshold τ :

Nfp = npixel × PFA(τ) . (1)

As an illustration, the number of pixels to process in each
IRDIS dataset is approximately equal to one million and,
with a 5σ detection confidence (i.e., τ = 5, PFA(5) ' 2.87×
10−7), we have:

Nfp ' 106 × 2.87× 10−7 ∼ 0.287 ,

false alarms expected in each detection map.
Figure 6 shows the results for τ = 5 with an increasing

number of spectral priors used. The false positive rate when
considering a single S/N map corresponding to a given prior
(no matter which prior is used) is in good agreement with
what is expected from a Gaussian noise distribution (see
Eq. (1)). When working with several priors, the number of
detections will only increase if a new independent source
(i.e. detected for the first time in the current prior) is de-
tected. Redundant detections will only be accounted for
one source. Because false positives are often redundant, the
empirical cumulative false positive rate is lower than the
theoretical cumulative one (i.e. if all false positives were
independent).

This confirms the Gaussian nature of the S/N map pro-
duced by PACO as well as the associated statistical guar-
antees (i.e., control of the probability of false alarms and
of detections). Based on this study, we choose to include
five spectral priors in our library ΩIRDIS ∈ R2×5, achiev-
ing the desired trade-off between maximizing our detection
performance and lowering the number of false positives:

ΩIRDIS = {[1, 1]; [1, 0.7]; [1, 0.4]; [1, 0.1]; [0.8, 1]} .

4.2.3. Priors selection for IFS

In this section, we describe how we build a library ΩIFS ∈
RN×L of N spectral priors for processing the IFS data with
PACO ASDI.

Following the notation introduced in Sect. 4.2, each ele-
ment w ∈ RL of ΩIFS is a vector with as many components
as wavelengths (i.e., L = 39 for the IFS). In practice, we
build a different set ΩIFS for each stellar spectral type since
each element w should be expressed in contrast units, so
that it depends on the spectral type of the star explicitly.
For the purpose of illustration, the method is described for
any given stellar spectral type without loss of generality.
The set ΩIFS is built from a set ΩER ∈ RNER×LER of sub-
stellar spectra provided by the ExoREM models. The spec-
tral resolution LER of each element wER ∈ RLER is much
larger than L, with typically LER = 500 in this study.

For a given stellar spectrum s ∈ RLER and a sub-
stellar spectrum wER ∈ RLER at the same spectral res-
olution LER, we obtain an (intermediate) spectral prior
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Fig. 6: Average number of false positives for a detection
threshold τ = 5 with 1 to 8 spectral priors with IRDIS.
Twenty observations were considered for these experiments.
The red dashed line shows the theoretical false positive rate
on a single S/N map. The mean experienced false positive
rate for each S/N considered independently map is repre-
sented by the yellow dashed rectangles and the mean expe-
rienced cumulative false positive rate by the blue rectangles.

Algorithm 1: Pseudo-code of the selection proce-
dure of IFS spectral priors for PACO.
Input: ExoREM set ΩER of sub-stellar spectra.
Input: ExoREM spectrum wref

ER of reference.
Input: Stellar spectrum s.
Input: Target number N of spectral priors.
Input: Gaussian kernel gL of width L.
Input: Sampling operator RLER/L by LER/L.
Output: Library ΩIFS of spectral priors.

I Step 1. Normalizing sub-stellar spectra.
Ω′ ← {} (initialization)
for j = 1 to NER do

wER ← ΩERj (get sub-stellar spectrum)
w′` ← wER`/s` ,∀` ∈ J1;LERK (normalization)
w′ ← w′ ~ gL (Gaussian convolution)
w′ ← RLER/L(w′) (re-sampling)
Ω′ ← {Ω′ ∪w′} (storing)

I Step 2. Building library of spectral priors.
wref ← Ω′1 (get reference spectral prior)
Ω← {wref} (initialization)
while card(Ω) < N do

for i = 1 to card(Ω) do
w ← Ωi (get a spectral prior)
for j = i to NER do

w′ ← Ω′j (get a candidate spectral prior)
di,j ← ‖w −w′‖22 (compute distance)

(_, jmax)← argmaxi,j(di,j) (get max index)
Ω← {Ω ∪Ω′jmax} (storing)

ΩIFS ← Ω

w′ ∈ RLER by dividing the two elements component-wise,
i.e. w′` = wER`/s` ,∀` ∈ J1;LERK. Each intermediate spec-
tral prior w′ is then normalized by the maximum value
over its components. The last operations aim to reshape w′
from LER = 500 to the spectral resolution L of the mea-
surements by first applying a convolution with a Gaussian
kernel of standard-deviation in the order of magnitude of L
(typically between 30 and 50), and second re-sampling the
results at the targeted spectral resolution L to get a final
spectral prior w.

We aim to include in ΩIFS the minimum number N of
spectral priors needed to represent the diversity of the ob-
servations. For that purpose, we build ΩIFS from a large
set ΩER (i.e., NER � N), and we progressively add non-
redundant atoms w in ΩIFS. We first start with a single
spectral prior wref of reference in the set ΩIFS. This spec-
tral prior is built from a sub-stellar model wref

ER of reference
obtained from the ExoREM simulator with the following
parameters: Teff = 1000 K, Fe/H = 1.0, C/O = 0.50, and
log(g) = 4.0. By looping over the (fixed) elements of ΩER,
we compute the Euclidean distance between each result-
ing candidate spectral prior and the spectral priors already
present in ΩIFS. We then add to the set ΩIFS the candi-
date spectral prior that maximized the distance, i.e., the
spectral prior that differs the most from the already se-
lected ones. For practical reasons, we preset the number N
of targeted elements in ΩIFS to perform the above selection
procedure. We repeat this procedure for various values of
N and select the number that gives a satisfying trade-off
between precision and recall, while simultaneously leading
to a manageable computation time at data reduction time.
As an illustration, we find that reducing the number N of
spectral priors in ΩIFS from 31 to 20 decreases the detec-
tion capabilities only marginally (by less than 1% in terms
of S/N loss). In addition, we find that decreasing the num-
ber N of spectral priors in the same proportion does not
significantly impact the false positive rate, see Fig. 7. To
more significantly decrease the false positive rate, it seems
better to select N ≤ 13. However, doing so would result
in a significant decrease in the detection capabilities (by
more than 15% in terms of S/N loss). As a conclusion of
this study, we choose N = 20 spectral priors for the IFS
instrument. This number is driven by a trade-off between
precision and recall, i.e. in order to keep the S/N loss sig-
nificantly small while limiting the number of false positives
to a value similar to the IRDIS one.

The whole optimization process for a given stellar spec-
tral type and for a targeted number N of spectral priors
is described in the form of a pseudo-code by Algorithm 1.
This selection procedure was repeated for all stellar spectral
types considered in this work. Figure 8 shows an example of
such built library of spectral priors for a G2 star observed
in YJ bands.

Based on the built library of spectral priors, we can
now, as for IRDIS, compare the empirical false positive rate
with the theoretical value. We can use again eq. 1 with the
number of processed pixels for IFS npixel = 140000. We
find Nfp = 0.04 for IFS. We can see with Fig. 7 that, as for
IRDIS, the false positive rate when considering individual
S/N map is in good agreement with what is expected from
a Gaussian noise distribution.
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Fig. 7: Number of false positives experienced at detection
time when using between N = 1 and N = 31 spectral priors
with IFS. The detection threshold is set at τ=5, and the
results are averaged over 32 observations. The red dashed
line shows the theoretical false positive rate on a single S/N
map. The mean experienced false positive rate for each S/N
considered independently map is represented by the yellow
dashed rectangles, and the mean experienced cumulative
false positive rate by the blue rectangles.
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Fig. 8: Example of the library ΩIFS ∈ R20×39 of spectral
priors built for a G2 star in YJ bands. Priors are expressed
in contrast unit and are normalized between 0 and 1. We
systematically included in the library a flat spectral prior
giving the same weights to all spectral channels.

4.3. Refined astrometric and photometric error budgets

The PACO algorithm provides only fitting errors for both
photometric and astrometric measurements. To get a com-
plete error budget, we need to take into account other
sources of errors.

For the astrometry error budget, we use both the results
of the F150 analysis with the SpeCal pipeline (Langlois
et al. 2021) and the calibration obtained by Maire et al.
(2021). However, the F150 analysis used an average value
of the typical centering error. Thanks to the improved frame
centering routine described in Sect. 3, we are able to derive
a precise estimate of this error on each data set, and we
propagate it through the whole pipeline.

For the photometry error budget, we use, for the first
time, the differential tip-tilt sensor (DTTS, Baudoz et al.
(2010), see Sect. 4.3.2 for the details) measurements to de-
rive proper photometric error bars.

Although such precise analysis has already been done
on specific targets for some particular studies, nothing was
implemented routinely to perform massive analysis. This
new analysis allows us to perform a complete, accurate,
automated, and homogeneous error estimation for both as-
trometry and photometry.

4.3.1. Astrometric error budget

The PACO algorithm provides an astrometric fitting error
term, hereafter denoted σsep, PACO and σPA, PACO, associ-
ated respectively to the angular separation (sep) and to the
parallactic angle (PA) of a given signal. Several additional
sources of errors induced by pre-processing steps, such as
the recentering of the individual frames, or systematics re-
lated to SPHERE itself must be considered. We therefore
combine several additional terms to refine the global error
budget. The uncertainties associated with the separation
and PA are found as follows.

For the uncertainties on the angular separation, we combine
four terms:

– A distortion error of 0.4 mas at 1 as (Maire et al. 2021),
scaling linearly with the separation of a source:

σdist (as) = sep (as)× 0.4

1000
. (2)

– A plate scale error, scaling linearly with the separation
of a source. This plate scale and the associated error bars
are measured during each observing run (astrometric
calibration, see Langlois et al. (2021):

σplatescale(as) =
sep (as)
platescale

× errplatescale . (3)

– An error on the re-centering of the individual frames,
as estimated by the re-centering procedure described in
Sect. 3:

σrecentering(as) = σrecentering(pxl)× platescale . (4)

– PACO internal error σsep, PACO.

Those 4 terms are quadratically combined to obtain the full
error budget σsep,tot(as).

For the uncertainties on the PA, we also combine four terms:

– An error on the pupil angle equal to 0.52 mas at 1 as
(Maire et al. 2021), scaling linearly with the separation:

σPA angle(
◦) = arctan

(
0.52

1000
× sep (as)

)
× 180

π
. (5)

– An error associated with the true North, as measured
using the astrometric calibrations, σTN(◦).

– An error on the re-centering of the individual frames, as
estimated by the re-centering procedure (see Sect. 3):

σrecentering(◦) =
σrecentering(as)

sep (as)
× 180

π
. (6)

– PACO internal error σPA, PACO(◦).

Those 4 terms are also quadratically combined to obtain
the full error budget σPA,tot(◦).
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4.3.2. Photometric error budget

Our aim here is to estimate the relative photometric un-
certainties using SPARTA data (Suárez Valles et al. 2012)
as well as using information from the DTTS. The DTTS is
a control organ of SPHERE that ensures that the star is
always well centered on the coronagraph. It diverts a small
fraction of the stellar light to produce an image of the star,
thus allowing us to have a direct access to a PSF during
the observation. While this PSF is not exactly the same
as it would be on the science cameras due to non-common
aberrations, it can still be used to monitor the photometric
variability during the observing sequence. In the following,
these series are denoted by DTTS(t) as a function of the
time t of observation. SPARTA is the real time control com-
puter of the adaptive optics system. During the course of
an observation, SPARTA collects information on the ob-
serving conditions that are then stored. As for astrometry,
the PACO algorithm provides a fitting photometric error
σPACO, but additional terms are needed to estimate the
global error budget:

– An error associated with the flux calibration of the coro-
nagraphic frames using the PSF. Because the observing
conditions vary during the observing sequence, this er-
ror is time dependent. Using datasets with bright back-
ground companions, detectable with a high S/N on each
individual frame, we found that the flux variations are
well correlated with the Strehl ratio (SR) variations as
provided by SPARTA6. Besides, the photometry of our
faint sources cannot be estimated on each frame. Hence,
we use the time series SR(t) data taken during the ob-
servation to estimate an average photometric error over
the whole coronagraphic sequence.
Because SPARTA provides the SR at 1.6 µm, we com-
pute the Strehl ratio SRλi(t) at the working wavelength
λi by using the following approximation (based solely
on the adaptive optics fitting error and the Maréchal
approximation (Maréchal 1948)) to capture the wave-
length dependency for good conditions:

SRλi(t) = SR(t)

(
1.6
λi

)2

. (7)

Then we compute the standard deviation of the SR,
after removing the values for rejected frames, as follows:

varflux,λi =
σ(SRλi(t))

SR0
, (8)

where SR0 is the SR of the PSF used. In PACO, it
is the average between the off-axis PSF taken before
the observing coronagraphic sequence and the one after.
The error associated to the extracted spectra at each
wavelength λi is therefore:

σnorm,λi = spectraλi × varflux,λi . (9)

It sometimes happens that no SPARTA data are avail-
able. In such a case, the error is computed using the
difference between the two available PSFs.

– The sky transparency: this term is measured thanks to
the DTTS. While the peak of the DTTS PSF is also
linked to the SR variation recorded by SPARTA, the
total integrated flux from the DTTS PSF directly re-
lates to the evolution of the sky transparency, but does

6 https://www.eso.org/sci/facilities/develop/ao/tecno/sparta.html

not provide an absolute photometric measurement. By
estimating the DTTS flux, we estimate the median and
standard-deviation of the sky transparency variations
over the coronagraphic sequence:

vartransp =
σ(DTTS(t))

median(DTTS(t))
, (10)

σtransp,λi = spectrumλi × vartransp . (11)

– PACO internal error σPACO.

Those three terms are then quadratically summed to obtain
the full photometric error budget.

4.4. Multi-epoch discrimination tool

Second epoch observations are crucial to test whether a
signal is due to a source gravitationally bound to the target
star. We developed a tool that automatically performs this
analysis. In the case where the candidate is not recovered, it
computes the false positive probability, given the detection
limits achieved for the second epoch.

In practice, we first check whether a source is detected
in the second epoch data at the position expected from a
background object, knowing the proper motion of the star7.
This step allows us to identify the background sources (pro-
viding that the detection limits of the second epoch data set
are good enough). If the signal cannot be associated with a
background source, we search for a fainter signal (detected
at τ ≥ 4) within a disk D centered on the position of the
source at the first epoch, and with a radius corresponding
to the motion of a gravitionally bound object orbiting on a
circular pole-on orbit (corresponding to the maximum pos-
sible motion in projected separation). If a signal is found, we
attribute it to a possible companion. In case of an ambigu-
ous choice (i.e., the motion of the object can be associated
either with a background source or a gravitionally bound
source) a flag is raised to report the ambiguity. If no signal
is found, we check whether the non-detection in the second
epoch is due to poorer conditions or to the fact that the
first detection was a false positive. To do so, we process as
follows:

– We compute the S/N (called S/N2) that the signal
should have in the second epoch using the second epoch
contrast8 map.

– We measure the maximum S/N in the disk area in the
second epoch data (S/Nmax).

– As the S/N maps follow a centered Gaussian distribu-
tion with a unit variance, we can estimate the probabil-
ity p of the source to be a real signal:

p =

∫ S/Nmax−S/N2

−∞

1√
2π
e−0.5x

2

dx . (12)

5. Contrast comparison with other algorithms

Here, we present the contrast performance achieved by
PACO on both IRDIS and IFS and compare them with the
performance achieved by TLOCI (Marois et al. 2014) and
7 Provided by Simbad: http://simbad.u-strasbg.fr/simbad/.
8 The contrast is estimated by averaging the contrast in the
disk D.
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Fig. 9: Contrast comparison at 5σ between PACO, TLOCI,
and PCA for IRDIS for the 24 science stars considered in
this paper. A flat prior was used for PACO. Dashed lines
show the 95% completeness interval. The grey area repre-
sent the coronographic mask. Contrast curves provided by
PCA and TLOCI do not strictly correspond to a 5σ false
alarm rate contrarily to the contrast curves of PACO. The
achievable contrasts are thus significantly over-optimistic
for PCA and TLOCI, see discussion in the text.

PCA ADI (Soummer et al. 2012); Amara & Quanz (2012))
for IRDIS, and TLOCI and PCA ASDI for IFS (Mesa et al.
2015). Those algorithms were used for the analysis of the
SHINE F150 survey (Langlois et al. 2021). They are imple-
mented in the SpeCal package (Galicher et al. 2018) dedi-
cated to the analysis of the SHINE data with the following
characteristics:

For TLOCI, the stellar profile is estimated frame by
frame for each pixel in the field of view. The estimation
uses a linear combination of all data to minimize the resid-
uals after subtraction. The area on which the optimization
is computed is much bigger than the subtraction area, thus
mitigating as best as possible the self subtraction of point-
like sources. The Specal implementation of TLOCI also as-
sumes a flat planet spectrum in contrast. The parameters
for TLOCI were set as they were in the F150 reduction
which are:

– The optimization zone is separated by 0.5 full width
at half maximum (FWHM) from the region of interest
to avoid bias in the linear combination in case of the
presence of a source in the region of interest;

– The radial width (in radius) of the subtraction zone is
set to one FWHM;

– The radial to azimuthal ratio of the subtraction zone is
set to 1.5;

– The optimization zone area is set to 20 PSF FWHM.

Both PCA algorithms are based on the equations de-
scribed in Soummer et al. (2012). For IRDIS (ADI process-
ing), the principal components (PCs) are computed inde-
pendently for each spectral channel. For IFS (ASDI process-
ing) the PCs are computed using the spatial and spectral
dimensions simultaneously. For IRDIS, 5 PCs were used,
and for IFS, 50, 100 and, 150 PCs were used.

The throughput of both TLOCI and PCA is estimated
internally by SpeCal at each location in the field of view by
generating a datacube with fake planets. The 1D through-
put curve is then applied to the residual maps of both al-
gorithms.

The contrast curves/maps are estimated for each spec-
tral channel by computing the pixel by pixel azimuthal
standard deviation in an annulus of 0.5 FWHM on the
residual maps, once corrected from the throughput. The
5σ detection limits are derived from this estimation by tak-
ing into account several corrections: the flux loss from ADI
subtraction, the coronograph transmission, and the neutral
density of the off-axis PSF. Finally, these detection limits
are normalized by the off-axis PSF flux. S/N maps are di-
rectly derived from the estimated flux and its associated
standard-deviation (i.e., contrast at 1σ).

We present in Sect. 5.1 the contrast comparison between
PACO and the algorithms described above. Since this direct
comparison of contrast is biased by the diverse hypothe-
ses made by each algorithm, we then present in Sect. 5.2 a
set of numerical experiments resorting to massive injections
of FPSs. This demonstrates the reliability of the contrast
curves obtained with PACO, as well as the gain in sensitiv-
ity and control of the probability of false alarms compared
with the two other algorithms.

5.1. Contrast performance

Figure 9 (respectively, Fig. 10) shows the predicted 5σ con-
trast as a function of the angular separation on IRDIS
(respectively, IFS) obtained with the three considered al-
gorithms for all epochs of the 24 stars considered in this
study. For this comparison, we use the combined contrast
of TLOCI and PCA, as well as the contrast obtained with
the flat prior with PACO (hereafter noted PACO-flat) to
possibly make the most direct comparison. Although not
used in this study, we also included the median PACO ADI
contrast curve (i.e., obtained without joint processing of the
spectral channels) in Fig. 9 for reference. The gain offered
by the ASDI mode is very close

√
2, which corresponds to

the expected theoretical value when combining the infor-
mation of two (independent) channels. In order to compare
results from the three considered algorithms, it has to be
noted that, given the non-statistical nature of TLOCI and
PCA, the 5σ detection limits are not statistically grounded,
i.e. we experienced in practice many more false alarms as
theoretically expected for the targeted confidence level, es-
pecially at short angular separations from the target star.
Moreover, the flat prior represents the most difficult case
for PACO (especially for IFS) because we try to detect a
signal with the same spectra as the host star, which means
that the spectral prior does not explicitly help in disentan-
gling the two components.

For IRDIS, at close angular separations, PACO per-
forms better than TLOCI (resp. PCA) by a factor of about
7 (resp. 5) at 0.5′′, and by 5 at 1′′ and beyond compare to
both TLOCI and PCA. Moreover, due to the statistical na-
ture of PACO, the number of false positives follows what is
expected at a 5σ confidence under a multivariate Gaussian
hypothesis (see Fig. 6), unlike TLOCI and PCA.

For IFS, the gain ranges between a factor 3 and a factor
5, depending on the separation, compared to PCA. It is
much larger compared to TLOCI by about a factor 10 for all
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Fig. 10: Contrast comparison at 5σ between PACO,
TLOCI, and PCA for IFS for the 24 science stars consid-
ered in this paper. Dashed lines show the 95% completeness
interval. The grey area represents the coronographic mask.
Contrast curves provided by PCA and TLOCI do not cor-
respond to a 5σ false alarm rate contrarily to the contrast
curves of PACO. The achievable contrasts are thus signifi-
cantly over-optimistic for PCA and TLOCI, see discussion
in the text.

separations, but this result is expected as TLOCI performs
worse on IFS as compared to PCA. However, the achieved
performance in terms of contrast is much more consistent
with PACO than it is with PCA. We remind that using
the flat prior as a benchmark allows us to compare PACO
with PCA/TLOCI as fairly as possible. It does not however
represent the full capability of PACO to detect faint sources
because this is the worst possible case, as we are trying to
detect a highly correlated planetary spectrum with respect
to the star spectrum.

5.2. Validation of the reliability of the contrast curves

Each algorithm uses different hypothesis to compute the
contrast limits. To further assess the gain in contrast ob-
tained with PACO, and the comparison with TLOCI or
PCA, we present a set of numerical experiments. With
PACO, the contrast is estimated assuming that the sta-
tistical parameters (mean and covariance matrices) charac-
terizing the stellar leakages are computed from pure noise
realizations. In practice, the underlying presence of the
(unknown) sought objects corrupts these estimates, which
leads to a (slight) bias in the estimated performance. In this
section, we aim at quantifying this bias via numerical ex-
periments. For that purpose, we resort to massive injections
of FPSs at contrast levels predicted by PACO and we re-
run the algorithm to quantify the real detection confidence
experienced for such levels of contrast. Ensuring such con-
fidence is key to allow an unsupervised selection of candi-
date companions through simple thresholding of the derived
S/N map. Given computational constraints, injection tests
(as presented in Sect. 5.2.1 & 5.2.2) were performed on a
dataset of HD 377 (star included in this study) for both
IRDIS and IFS.

Fig. 11: Comparison of the contrast curves at 5σ obtained
with PCA (5 modes), TLOCI, and PACO-flat for IRDIS
on HD 377. The contrasts of the injected fake planets were
computed using 2-D contrast maps, hence the differences
with the 5σ curve: local variations of the achieved contrast
are averaged azimuthally.

5.2.1. IRDIS data

For IRDIS, two sets were created; one with injections at
close separations (< 1.25 as), and one at large separations
(> 1.5 as), see Appendix B. For both, from the 2-D con-
trast maps provided by PACO, we set the contrast of the
FPSs in order to achieve (theoretically) a detection slightly
above the 5σ threshold on the S/N map. More detailed in-
formation on the close-in injected sources parameters can
be found in Table B.1. Figure 11 shows the injected sources
contrast (red dots) compared to the contrast curve provided
by PACO, as well as the contrast curves provided by TLOCI
and PCA for this particular target in the first case (close
separation). Figure 12 shows the S/N maps obtained with
the three algorithms as well as residual maps9 obtained af-
ter subtraction of the estimated stellar component for PCA
and TLOCI for the injections at close separations.

We also created a set of injections of companions at
larger separations. Detailed information on the injected
sources parameters can be found in Table B.2. Figure B.1
shows the contrast of the injected FPSs compared to the
contrast curve of the three algorithms. The corresponding
S/N and residual maps obtained after subtraction of the es-
timated stellar component for PCA and TLOCI are shown
in Figs. B.2 to B.6.

Figure 13 shows the retrieved S/N of FPSs in both cases
(for a total of 90 injected sources)10. The median S/N is 5.0
which is in very good agreement with the contrast of injec-
tion. We also calculated the empirical standard deviation
value σ = 1.15. This results is also close to the theoretical
value predicted by a Gaussian distribution, which is 1.

9 PACO does not produce residual maps since it describes the
stellar component through a statistical model rather than re-
sorting to explicit combinations and/or subtractions of images.
10 Because we use a 4σ threshold for the analysis, we did not
recover injections with a S/N below 4σ. We can however still
find the median S/N by computing the S/N for which half of
the injected sources (the 45 higher S/N sources in that case)
have a higher S/N
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Fig. 12: S/N map provided by PACO (top right), residual map provided by SpeCal PCA using 10 modes (bottom
middle), associated S/N map (top middle), residual map from TLOCI (bottom left) and associated S/N map (top left).
The injected fake planets are clearly visible on the S/N maps from PACO. None of the high S/N detections on the
PCA/TLOCI map corresponds to injected sources. The locations of injected sources are highlighted by the red boxes.
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Fig. 13: Retrieved S/N for the injected sources for IRDIS.
The detection threshold τ was set to 4. The red line shows
the median S/N of the injected sources and the grey area
the 1σ interval containing 68% of the detected injected
sources.

These results confirm that the contrast estimates pro-
duced by PACO (e.g., shown in Fig. 9) are reliable, statis-
tically grounded, and that the detection sensitivity is im-

proved compared to TLOCI and PCA, for the whole range
of angular separations.

5.2.2. IFS data

For IFS, we injected 72 sources with three different shapes
of spectra (24 sources per shape) corresponding to three of
the spectral priors (flat, L-type, T-type) used during the
reduction (hereafter denoted cases), for which the contrast
injected was also computed using the 2-D contrast maps.
We also consider a flat injection which corresponds (as the
priors are expressed in contrast unit) to a SED with a same
shape than that of the star. The normalized spectra in-
jected for the three cases can be found in Fig. B.7 as well
as complete information on the injected sources in Table
B.3. Corresponding S/N and residual maps are given in
Fig. 14.

The S/N of the detected injections are shown in Fig. 15.
As done for IRDIS, we can compute the median S/N of the
injected sources, which is 4.3, with a standard deviation of
1.16. This suggests that the estimated contrast is slightly
optimistic by about 15%.

As expected, we conclude that the detection limits in
contrast derived by PACO for IFS are slightly optimistic
without questioning the previously mentioned results, be-
cause the equivalent number of independent spectral chan-
nels that are recombined is about L/2. The detection sen-
sitivity is still improved at all angular separation, coupled
with the false positive rate consistent with the chosen S/N
threshold.
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Fig. 14: S/N and residual maps for the injected fake sources on IFS. Top row: PACO ASDI S/N maps corresponding to
the various injected spectra (see Fig. B.7). Middle row: residual and S/N maps using PCA. Bottom row: residual and
S/N maps using TLOCI. The locations of injected sources are highlighted by red boxes.

6. Results on the mini-survey

6.1. Identified point sources and status

Running the PACO algorithm along with the analysis tools
described in Sects. 4.2 and 4.4 over the 40 datasets of this
survey allows us to identify 60 (58 IRDIS, 3 IFS) point-like
sources with an S/N above the 5σ detection confidence.
Note that one source, PZ TEL B, is detected with both in-
struments. For comparison, only 40 sources were detected
by the F150 analysis. This again illustrates the enhanced
detection capabilities of PACO with respect to more clas-
sical algorithms. We classify the sources as follows:

– BCKG (background source): source classified as back-
ground in the F150 or in this analysis using a proper
motion analysis.

– KC (known companion): either planet, brown dwarf or
stellar companion.

– SUSP BCKG CMD (suspected background using a color
magnitude diagram): source detected in the present
analysis, that was not detected in the F150, with only
one epoch available and a color consistent with a back-
ground nature.

– CC (candidate companion): source detected in the
present analysis, that was not detected in the F150, with
only one epoch and with a color compatible with a plan-
etary/brown dwarf companion.

– FP: false positive identified using the multi-epoch tool
described in Sect. 4.4. This classification is only possible
for stars with multiple epochs with similar quality data.

Figure 16 shows a pie-chart diagram of the sources
classification. Individual information will be provided in a
VizieR table, see Table 1 for an example of the parameters
provided. Finally, the targets are plotted on a CMD in Fig.
17.
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Fig. 15: Retrieved S/N for the injected sources for IFS. The
detection threshold τ was set to 4. The red line shows the
median S/N of the injected sources and the grey area the
1σ interval containing 68% of the detected injected sources.
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Fig. 16: Classification of the 60 sources detected during the
survey. Note that PZ Tel B is visible in both IRDIS and
IFS, thus accounted for only one source in this plot.

Among the 60 identified signal of interest, eight are not
characterized because of a lack of a second epoch of observa-
tion. Among those eight sources, six fall into the domain of
probable background sources (grey area in Fig. 17). We clas-
sify them as SUSP BCKG CMD. Two are more promising
giving their colors. They require additional observations to
definitely distinguish between a background source, a false
positive or a bound companion. We therefore classify them
as candidate companions (CC) at this stage.

Finally, we find twelve false positives during this survey.
Given the number of datasets for IRDIS (37) and the num-
ber of priors used (5), we should expect around 16 false pos-
itives (see Fig. 6). Taking also into account that FPs could
be present amongst the eight sources classified as candi-
dates companions (either "CC", or "SUSP BCKG CMD"),
we conclude that this number is in good agreement with the
theory predictions, confirming the Gaussian nature of noise
in the detection maps of PACO. One IFS false positive was
also found.
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Fig. 17: CMD plot with the classification of the 60 sources
detected during the survey. Note that individual error bars
are not shown for clarity purposes except for the two in-
teresting candidates (yellow circles). Typical error bars are
indicated in the top right. The grey dots represent the back-
ground sources identified during the SHINE F150 survey.

6.2. Searching for additional companions

Here, we want to put constraints on the properties of pos-
sible, yet unseen companions. We used the MESS2 tool
(Lannier 2015) that uses for each target, all the detection
limit maps derived from the PACO analysis, once expressed
in masses, and, whenever available in the ESO HARPS
(Mayor et al. 2003) archive, radial velocity data. Indeed,
the combination of direct imaging data with RV data pro-
vides a large exploration of the star’s environments, from a
fraction of au out to 100 au. To convert the PACO contrasts
into detection limits expressed in masses, we use luminosity-
mass relationships given by the COND atmospheric model
(Allard et al. 2001), and the stars’ ages and masses pro-
vided by Desidera et al. (2021). Finally, to run MESS2, we
assume a uniform distribution of eccentricities between 0
and 0.5, and a uniform orbital plane inclination between 0
and 90 degrees.

An example of detection limits obtained using the imag-
ing data alone on the one hand and using both the imaging
and RV data on the other hand is provided in Fig. 18. The
results obtained for all stars of the sample are presented in
Appendix C.

The detection limits in terms of masses are significantly
improved with respect to previous analysis, thanks to im-
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EPOCH SEP (mas) PA (◦) MH2 MH3 S/N STATUS
HD 987

2015-09-25 1133.0±2.1 42.3±0.1 17.73±0.23 17.78±0.23 11.9 BCKG
HD 61005

2015-02-02 5870.0±13.3 314.4±0.1 17.82±0.12 17.69±0.13 11.2 BCKG
2015-02-02 3046.0±7.1 327.0±0.1 17.88±0.13 17.86±0.13 11.1 BCKG

Table 1: Properties of the signals detected in the IRDIS images. MH2/3 is the absolute magnitude of the candidate in
both filters.
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Fig. 18: Detection maps using the MESS2 (Lannier 2015) tool for HD 202917, DI only (left), DI+RV (right). The
eccentricity is assumed between 0 and 0.5 and the inclination between 0 and 90 degrees. Contrast maps are converted
to mass maps using the COND atmospheric model (Allard et al. 2001) and the stellar parameters of the system are
extracted from Desidera et al. (2021). Two epochs were used.

proved detection limits. For instance, we get a detection
limit of about 5 MJup (68 % probability) at 5 au for HD
202917, while the detection limit with TLOCI is 10 MJup at
the same separation (see Fig. 19). At 10 au, 3 MJup planets
could be detected, compared to 6 MJup with TLOCI. This
represents a substantial improvement in the detection lim-
its. Nonetheless, Jupiter siblings are still out of reach in the
present data. Improved adaptive optics systems as that of
the SPHERE+ project (Boccaletti et al. 2020) on the VLT
are needed to reach such objectives. Finally, we see that, in
most cases, combining the radial velocity (RV) and direct
imaging (DI) allows us to bridge the gap between the two
techniques. The detection limits will be further improved
using Hipparcos-Gaia data in the typical 3-10 au region.

7. Conclusion

We have presented here a number of upgrades made to our
reduction and analysis pipeline using PACO so as to im-
prove the sensitivity and the characterization of the de-
tected sources. In particular, we have improved the pre-
cision and robustness of the astrometric and photometric
error bars for the detected sources. We have developed cus-
tom built spectral prior libraries to optimize the detection
capability of the ASDI mode for both IRDIS and IFS. The
contrast performance are significantly improved compared
to those obtained with classical algorithms such as TLOCI
and PCA. Also, we have showed that PACO provides sta-
tistically meaningful S/N maps. This work paves the way
to an end-to-end, homogeneous, and unsupervised massive

re-reduction of archival SPHERE direct imaging data in the
quest of exoJupiters.

We used PACO ASDI to search for exoJupiters in a
sample of 24 selected young, solar-type targets observed
with SPHERE IRDIS and IFS that are part of the SHINE
survey. This new analysis allowed us to identify two candi-
date companions in this small sample. Second epochs are
necessary to unveil their nature.
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Fig. 19: Comparison between the detection limits obtained with PACO ASDI (left) and TLOCI (right) for HD 202917
using the MESS2 tool (Lannier 2015). The eccentricity is assumed between 0 and 0.5 and the inclination between 0 and
90 degrees. Contrast maps are converted to mass maps using the COND atmospheric model (Allard et al. 2001) and the
stellar parameters of the system are extracted from Desidera et al. (2021). Two epochs were used.

gulaire (ASHRA) of CNRS/INSU co-funded by CNES. This work is
based on observations collected at the European Southern Obser-
vatory under ESO programme(s) 096.C-0241(A/B/C/F/G), 095.C-
0298(A/B/D/H), 1100.C-0481(F/G), 097.C-0865(A/B/C/D), 198.C-
0209(A/E/G).

References
Allard, F. 2014, in Exploring the Formation and Evolution of Plan-

etary Systems, ed. M. Booth, B. C. Matthews, & J. R. Graham,
Vol. 299, 271–272

Allard, F., Hauschildt, P. H., Alexander, D. R., Tamanai, A., &
Schweitzer, A. 2001, ApJ, 556, 357

Amara, A. & Quanz, S. P. 2012, MNRAS, 427, 948
Baudoz, P., Dorn, R. J., Lizon, J.-L., et al. 2010, in Society of Photo-

Optical Instrumentation Engineers (SPIE) Conference Series, Vol.
7735, Ground-based and Airborne Instrumentation for Astronomy
III, ed. I. S. McLean, S. K. Ramsay, & H. Takami, 77355B

Beaulieu, J.-P. & Bachelet, E. 2021, in European Planetary Science
Congress, EPSC2021–298

Beuzit, J.-L., Vigan, A., Mouillet, D., et al. 2019, Astronomy & As-
trophysics, 631, A155

Boccaletti, A., Chauvin, G., Mouillet, D., et al. 2020, arXiv e-prints,
arXiv:2003.05714

Branch, M. A., Coleman, T. F., & Li, Y. 1999, SIAM Journal on
Scientific Computing, 21, 1

Charnay, B., Bézard, B., & Baudino, J.-L. 2019, in EPSC-DPS Joint
Meeting 2019, Vol. 2019, EPSC–DPS2019–1450

Childs, A. C., Quintana, E., Barclay, T., & Steffen, J. H. 2019, MN-
RAS, 485, 541

Claudi, R. U., Turatto, M., Gratton, R. G., et al. 2008, in Society of
Photo-Optical Instrumentation Engineers (SPIE) Conference Se-
ries, Vol. 7014, Ground-based and Airborne Instrumentation for
Astronomy II, ed. I. S. McLean & M. M. Casali, 70143E

Delorme, P., Meunier, N., Albert, D., et al. 2017, in SF2A-2017: Pro-
ceedings of the Annual meeting of the French Society of Astronomy
and Astrophysics, ed. C. Reylé, P. Di Matteo, F. Herpin, E. La-
gadec, A. Lançon, Z. Meliani, & F. Royer, Di

Desidera, S., Chauvin, G., Bonavita, M., et al. 2021, A&A, 651, A70
Dohlen, K., Langlois, M., Saisse, M., et al. 2008, in Society of Photo-

Optical Instrumentation Engineers (SPIE) Conference Series, Vol.
7014, Ground-based and Airborne Instrumentation for Astronomy
II, ed. I. S. McLean & M. M. Casali, 70143L

Fernandes, R. B., Mulders, G. D., Pascucci, I., Mordasini, C., & Em-
senhuber, A. 2019, ApJ, 874, 81

Flasseur, O., Denis, L., Thiébaut, É., & Langlois, M. 2018, A&A, 618,
A138

Flasseur, O., Denis, L., Thiébaut, É., & Langlois, M. 2020a, A&A,
637, A9

Flasseur, O., Denis, L., Thiébaut, É., & Langlois, M. 2020b, A&A,
634, A2

Fulton, B. J., Rosenthal, L. J., Hirsch, L. A., et al. 2021, ApJS, 255,
14

Galicher, R., Boccaletti, A., Mesa, D., et al. 2018, Astronomy & As-
trophysics, 615, A92

Horner, J. & Jones, B. W. 2010, Astronomy and Geophysics, 51, 6.16
Huber, P. J. 2011, in International encyclopedia of statistical science

(Springer), 1248–1251
Langlois, M., Gratton, R., Lagrange, A. M., et al. 2021, A&A, 651,

A71
Lannier, J. 2015, in IAU General Assembly, Vol. 29, 2255268
Lannier, J., Lagrange, A. M., Bonavita, M., et al. 2017, A&A, 603,

A54
Levison, H. F. & Agnor, C. 2003, AJ, 125, 2692
Macintosh, B., Gemini Planet Imager instrument Team, Planet Im-

ager Exoplanet Survey, G., & Observatory, G. 2014, in American
Astronomical Society Meeting Abstracts, Vol. 223, American As-
tronomical Society Meeting Abstracts #223, 229.02

Maire, A.-L., Langlois, M., Delorme, P., et al. 2021, Journal of Astro-
nomical Telescopes, Instruments, and Systems, 7, 035004

Maréchal, A. 1948, Étude des effets combinés de la diffraction et des
aberrations géométriques sur l’image d’un point lumineux... (Édi-
tions de la Revue d’optique théorique et instrumentale)

Marois, C., Correia, C., Véran, J.-P., & Currie, T. 2014, in Exploring
the Formation and Evolution of Planetary Systems, ed. M. Booth,
B. C. Matthews, & J. R. Graham, Vol. 299, 48–49

Marois, C., Lafrenière, D., Doyon, R., Macintosh, B., & Nadeau, D.
2006, ApJ, 641, 556

Mayor, M., Pepe, F., Queloz, D., et al. 2003, The Messenger, 114, 20
Mesa, D., Gratton, R., Zurlo, A., et al. 2015, A&A, 576, A121
Meunier, N. & Lagrange, A. M. 2019, A&A, 629, A42
Milli, J., Hibon, P., Christiaens, V., et al. 2017, A&A, 597, L2
Morbidelli, A., Lunine, J. I., O’Brien, D. P., Raymond, S. N., &Walsh,

K. J. 2012, Annual Review of Earth and Planetary Sciences, 40, 251
Perryman, M., Hartman, J., Bakos, G. Á., & Lindegren, L. 2014, ApJ,

797, 14
Quintana, E. V. & Barclay, T. 2016, in American Astronomical So-

ciety Meeting Abstracts, Vol. 228, American Astronomical Society
Meeting Abstracts #228, 404.05

Ranalli, P., Hobbs, D., & Lindegren, L. 2018, A&A, 614, A30
Raymond, S. N., Kokubo, E., Morbidelli, A., Morishima, R., & Walsh,

K. J. 2014, in Protostars and Planets VI, ed. H. Beuther, R. S.
Klessen, C. P. Dullemond, & T. Henning, 595

Soummer, R., Pueyo, L., & Larkin, J. 2012, ApJ, 755, L28
Suárez Valles, M., Fedrigo, E., Donaldson, R. H., et al. 2012, in Soci-

ety of Photo-Optical Instrumentation Engineers (SPIE) Conference
Series, Vol. 8447, Adaptive Optics Systems III, ed. B. L. Ellerbroek,
E. Marchetti, & J.-P. Véran, 84472Q

Vigan, A., Fontanive, C., Meyer, M., et al. 2021, A&A, 651, A72

Article number, page 15 of 35



A&A proofs: manuscript no. main

Wittenmyer, R. A., Butler, R. P., Wang, L., et al. 2016, MNRAS, 455,
1398

1 LESIA, Observatoire de Paris, Université PSL, CNRS,
5 Place Jules Janssen, 92190 Meudon, France e-mail:
antoine.chomez@obspm.fr

2 Université Grenoble Alpes, CNRS, IPAG, 38000 Grenoble,
France

3 CRAL, UMR 5574, CNRS, Université de Lyon, ENS, 9 avenue
Charles André, 69561 Saint Genis Laval Cedex, France

4 Université Côte d’Azur, OCA, CNRS, Lagrange, France
5 Pixyl S.A. La Tronche, France
6 Université Grenoble Alpes, CNRS, Observatoire des Sciences
de l’Univers de Grenoble (OSUG), Grenoble, France

Article number, page 16 of 35



A. Chomez et al.: Preparing an unsupervised massive analysis of SPHERE data with the PACO algorithm

Appendix A: Target parameters and observing logs

NAME OTHER ID RAa DECa H (mag) dist (pc)b age (Myr)c STd MGe

BD-12 243 - 01 20 32.2680 -11 28 03.727 6.65 35.3 149+31
−49 G9V ABDO

CD-31 16041 - 18 50 44.4830 -31 47 47.382 7.67 49.5 24+5
−5 K8Ve BPIC

CD-61 1439 - 06 39 50.0234 -61 28 41.530 6.64 22.2 149+31
−49 K7V(e) ABDO

HD105 - 00 05 52.5447 -41 45 11.044 6.19 38.8 45+5
−10 G0V TUC

HD118100 - 13 34 43.2063 -08 20 31.338 6.31 20.5 150+50
−50 K5Ve -

HD1466 - 00 18 26.1235 -63 28 38.980 6.25 42.8 45+5
−10 F8V TUC

HD164249 - 18 03 03.4097 -51 38 56.432 6.02 49.3 24+5
−5 F6V BPIC

HD174429 V*PZTel 18 53 05.8735 -50 10 49.897 6.49 47.3 24+5
−5 G9IV BPIC

HD17925 - 02 52 32.1281 -12 46 10.968 4.13 10.4 150+150
−80 K1V -

HD181327 - 19 22 58.9437 -54 32 16.975 5.98 47.8 24+5
−5 F6V BPIC

HD189245 - 20 00 20.2493 -33 42 12.424 4.64 22.1 150+150
−70 F7V -

HD197890 V*BOMic 20 47 45.0056 -36 35 40.769 6.93 51.0 45+55
−35 K3V(e) -

HD202917 - 21 20 49.9576 -53 02 03.155 7.03 46.7 45+5
−10 G7V TUC

HD218860 - 23 11 52.0534 -45 08 10.631 7.11 47.8 149+31
−49 G8V ABDO

HD224228 - 23 56 10.6732 -39 03 08.409 6.01 22.0 149+31
−49 K2V ABDO

HD377 - 00 08 25.7454 +06 37 00.489 6.15 38.4 150+50
−50 G2V -

HD43989 V*V1358Ori 06 19 08.0574 -03 26 20.361 6.59 51.7 42+8
−7 G0V TUC

HD44627 - 06 19 12.9130 -58 03 15.527 7.09 50.1 45+5
−10 K1V(e) CAR

HD45270 - 06 22 30.9408 -60 13 07.147 5.16 23.9 149+31
−49 G1V ABDO

HD49855 - 06 43 46.2456 -71 58 35.390 7.38 55.4 45+5
−10 G6V CAR

HD61005 - 07 35 47.4623 -32 12 14.045 6.58 36.5 50+20
−10 G8Vk -

HD8558 - 01 23 21.2547 -57 28 50.688 6.95 45.3 45+5
−10 G7V TUC

HD90712 - 10 27 47.7769 -34 23 58.130 6.15 37.7 150+50
−80 G0V -

HD987 - 00 13 53.0108 -74 41 17.850 7.09 45.9 45+5
−10 G8V TUC

Table A.1: Summary of the main parameters of the targeted stars.

Notes: a: Coordinates in J2000 IRCS. b: Distances as derived from the parallaxes provided by Simbad. c: Ages as extracted from
Desidera et al. (2021). d: Spectral type. e: Moving group.
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STAR DATE OBS FILTER DIT(s)×Nframe ∆PA (◦)a Seeing (")b Airmassb τ0 (ms)a,b Program ID
BD-12 243 2015-12-01 DB_H23 64x64 51.0 1.1 1.04 7 096.C-0241(B)
BD-12 243 2015-12-01 OBS_YJ 64x64 51.1 1.1 1.04 7 096.C-0241(B)

CD-31 16041 2015-05-15 DB_H23 64x64 81.2 1.1 1.02 3.4 095.C-0298(A)
CD-31 16041 2015-05-15 OBS_YJ 64x64 81.3 1.08 1.02 3.4 095.C-0298(A)
CD-31 16041 2018-04-17 DB_H23 96x42 84.5 0.88 1.01 10.3 1100.C-0481(F)
CD-31 16041 2018-04-17 OBS_YJ 96x42 83.8 0.88 1.01 10.3 1100.C-0481(F)
CD-61 1439 2016-01-02 DB_H23 64x64 26.1 0.9 1.25 2.4 096.C-0241(C)
CD-61 1439 2016-01-02 OBS_YJ 64x64 26.1 0.91 1.25 2.4 096.C-0241(C)

HD105 2015-09-26 DB_H23 64x72 45.0 1.06 1.07 17.4 095.C-0298(D)
HD105 2015-09-26 OBS_YJ 64x68 109.9 0.98 1.07 17.4 095.C-0298(D)

HD118100 2016-06-27 DB_H23 64x64 52.0 0.8 1.05 3.8 097.C-0865(C)
HD1466 2015-10-26 DB_H23 64x64 25.0 1.07 1.29 1.4 096.C-0241(A)
HD1466 2015-10-26 OBS_YJ 64x64 25.1 1.08 1.29 1.4 096.C-0241(A)
HD1466 2016-09-18 DB_H23 64x80 31.1 0.8 1.29 4.9 097.C-0865(D)
HD1466 2016-09-18 OBS_YJ 64x80 31.3 0.8 1.29 4.9 097.C-0865(D)

HD164249 2015-05-10 DB_H23 64x56 34.3 1.87 1.13 1.2 095.C-0298(A)
HD164249 2015-05-10 OBS_YJ 64x56 34.5 1.86 1.13 1.2 095.C-0298(A)
HD164249 2015-06-01 DB_H23 64x64 33.9 1.24 1.13 1.1 095.C-0298(B)
HD164249 2015-06-01 OBS_YJ 64x64 34.1 1.25 1.13 1.1 095.C-0298(B)
HD164249 2016-04-17 DB_H23 64x61 37.3 1.72 1.13 1.5 097.C-0865(A)
HD164249 2016-04-17 OBS_YJ 64x61 37.3 1.72 1.13 1.5 097.C-0865(A)
HD164249 2018-04-11 DB_H23 96x40 31.9 0.52 1.13 5.6 1100.C-0481(F)
HD164249 2018-04-11 OBS_YJ 96x40 32.0 0.52 1.13 5.6 1100.C-0481(F)
HD174429 2015-05-06 DB_H23 16x82 11.4 1.43 1.14 1.3 095.C-0298(A)
HD174429 2015-05-06 OBS_YJ 32x2 0.3 1.43 1.14 1.3 095.C-0298(A)
HD174429 2015-05-31 DB_H23 32x32 9.3 1.28 1.11 1 095.C-0298(B)
HD174429 2015-05-31 OBS_YJ 32x32 9.3 1.28 1.11 1 095.C-0298(B)
HD174429 2016-09-17 DB_H23 32x80 29.0 0.56 1.11 14.3 097.C-0865(D)
HD174429 2016-09-17 OBS_YJ 64x40 28.8 0.56 1.11 14.3 097.C-0865(D)
HD174429 2017-05-18 DB_H23 32x60 33.1 0.81 1.11 2.8 198.C-0209(G)
HD174429 2017-05-18 OBS_YJ 64x57 36.8 0.81 1.11 2.8 198.C-0209(G)
HD174429 2018-05-13 DB_H23 16x30 8.9 0.81 1.12 3.4 1100.C-0481(G)
HD174429 2018-05-13 OBS_YJ 32x30 9.5 0.85 1.12 3.4 1100.C-0481(G)
HD17925 2016-10-15 DB_H23 32x160 70.8 0.66 1.03 2.5 198.C-0209(A)
HD17925 2016-10-15 OBS_YJ 64x80 70.0 0.66 1.03 2.5 198.C-0209(A)
HD181327 2015-05-10 DB_H23 64x56 31.1 1.2 1.16 1.7 095.C-0298(A)
HD181327 2015-05-10 OBS_YJ 64x52 31.2 1.2 1.16 1.7 095.C-0298(A)
HD189245 2015-05-14 DB_H23 32x128 16.2 0.75 1.13 6.9 095.C-0298(A)
HD189245 2015-05-14 OBS_YJ 32x128 18.2 0.73 1.13 6.9 095.C-0298(A)
HD197890 2015-06-04 DB_H23 64x64 61.5 1.25 1.03 2.9 095.C-0298(B)
HD197890 2015-06-04 OBS_YJ 64x64 62.4 1.23 1.03 2.9 095.C-0298(B)
HD202917 2015-05-31 DB_H23 64x86 49.6 1.25 1.15 1.1 095.C-0298(B)
HD202917 2015-05-31 OBS_YJ 64x64 32.8 1.44 1.14 0.9 095.C-0298(B)
HD202917 2016-05-31 DB_H23 64x64 32.7 0.83 1.14 2.6 097.C-0865(B)
HD202917 2016-05-31 OBS_YJ 64x64 32.8 0.84 1.14 2.6 097.C-0865(B)
HD218860 2015-09-30 DB_H23 64x64 43.8 0.68 1.07 3.9 095.C-0298(D)
HD218860 2015-09-30 OBS_YJ 64x64 44.1 0.7 1.07 3.9 095.C-0298(D)
HD224228 2015-10-25 DB_H23 64x64 59.3 1.48 1.04 1.1 096.C-0241(A)
HD224228 2015-10-25 OBS_YJ 64x64 59.4 1.51 1.04 1.1 096.C-0241(A)
HD377 2016-10-14 DB_H23 64x80 35.8 0.63 1.18 2.8 198.C-0209(A)
HD377 2016-10-14 OBS_YJ 64x80 35.9 0.62 1.18 2.8 198.C-0209(A)

HD43989 2015-10-28 DB_H23 64x80 48.5 1.01 1.08 1.9 096.C-0241(F)
HD43989 2015-10-28 OBS_YJ 64x80 48.3 1.0 1.08 1.9 096.C-0241(F)
HD43989 2017-02-09 DB_H23 64x56 36.5 0.63 1.09 8.7 198.C-0209(E)
HD43989 2017-02-09 OBS_YJ 64x56 36.4 0.62 1.09 8.7 198.C-0209(E)
HD44627 2015-02-06 DB_H23 64x64 28.3 1.08 1.2 5.3 095.C-0298(H)
HD44627 2015-02-06 OBS_YJ 64x64 28.4 1.07 1.2 5.3 095.C-0298(H)
HD45270 2016-01-16 DB_H23 16x256 28.3 1.69 1.23 1.6 096.C-0241(G)
HD45270 2016-01-16 OBS_YJ 64x64 27.2 1.73 1.23 1.5 096.C-0241(G)

Table A.2: Star sample observation logs.

Notes: a: DIT correspond to the detector integration time per frame, ∆PA is the amplitude of the parallactic rotation,
τ0 corresponds to the coherence time. b: Values extracted from the updated DIMM info and averaged over the sequence.
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STAR DATE OBS FILTER DIT(s)×Nframe ∆PA (◦)a Seeing (")b Airmassb τ0 (ms)a,b Program ID
HD49855 2015-12-28 DB_H23 64x64 21.4 0.84 1.48 2.9 096.C-0241(C)
HD49855 2015-12-28 OBS_YJ 64x64 21.5 0.83 1.48 2.9 096.C-0241(C)
HD61005 2015-02-03 DB_NDH23 64x64 93.0 0.66 1.01 23.1 095.C-0298(H)
HD61005 2015-02-03 OBS_YJ 64x66 96.9 0.67 1.01 23.1 095.C-0298(H)
HD8558 2015-09-24 DB_H23 64x64 28.8 2.05 1.19 0.9 095.C-0298(D)
HD8558 2015-09-24 OBS_YJ 64x64 28.9 2.05 1.19 0.9 095.C-0298(D)
HD8558 2015-10-28 DB_H23 64x64 28.2 1.02 1.2 2 096.C-0241(A)
HD8558 2015-10-28 OBS_YJ 64x64 28.4 1.02 1.2 2 096.C-0241(A)
HD8558 2016-10-14 DB_H23 64x64 28.2 0.56 1.2 2.8 198.C-0209(A)
HD8558 2016-10-14 OBS_YJ 64x64 28.3 0.56 1.2 2.8 198.C-0209(A)
HD90712 2016-01-03 DB_H23 64x64 74.8 0.67 1.02 6.1 096.C-0241(C)
HD90712 2016-01-03 OBS_YJ 64x64 74.9 0.65 1.02 6.1 096.C-0241(C)
HD987 2016-10-15 DB_H23 64x90 29.7 0.71 1.56 2.2 198.C-0209(A)
HD987 2016-10-15 OBS_YJ 64x90 29.7 0.71 1.56 2.2 198.C-0209(A)

Table A.3: Star sample observation logs (continuation of Table A.2).

Notes: a: DIT corresponds to the detector integration time per frame, ∆PA is the amplitude of the parallactic
rotation, τ0 corresponds to the coherence time. b: Values extracted from the updated DIMM info and averaged over the
sequence.

.
NAME OTHER ID RAa DECa H (mag) dist (pc)b age (Myr)c ST

Smethells86 - 21 44 30.1227 -60 58 38.894 8.09 46.4 45+5
−10 M0Ve

V*CT Tuc - 00 25 14.6618 -61 30 48.252 7.94 44.1 45+5
−10 M0Ve

HD108767B *delCrvB 12 29 50.8908 -16 31 15.208 6.37 26.8 180+170
−80 K1

HD16978 *epsHyi 02 39 35.3612 -68 16 01.010 4.43 46.6 45+5
−10 B9Va

Table A.4: Summary of the main parameters of the test stars

Notes: a: Coordinates in J2000 IRCS. b: Distances derived from Simbad parallaxes. c: Age extracted from Desidera et al. (2021).
d: Spectral type.
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STAR DATE OBS FILTER DIT(s)×Nframe ∆PA (◦)a Seeing (")b Airmassb τ0 (ms)a,b Program ID
V*CT Tuc 2015-07-05 DB_H23 64x64 26.0 1.07 1.25 2 095.C-0298(C)
V*CTTuc 2015-07-05 OBS_YJ 64x64 26.2 1.07 1.25 2 095.C-0298(C)

Smethells 86 2015-11-29 DB_H23 64x64 25.8 1.57 1.26 7.2 096.C-0241(B)
Smethells 86 2015-11-29 OBS_YJ 64x64 25.8 1.57 1.26 7.2 096.C-0241(B)
HD108767B 2018-01-25 DB_H23 64x72 94.4 0.59 1.02 8.3 1100.C-0481(D)
HD108767B 2018-01-25 OBS_YJ 64x72 94.3 0.59 1.02 8.3 1100.C-0481(D)
HD16978 2016-09-16 DB_H23 32x160 29.1 0.42 1.38 9.2 097.C-0865(D)
HD16978 2016-09-16 OBS_YJ 32x144 26.8 0.42 1.38 9.2 097.C-0865(D)

Table A.5: Test targets observation logs.

Notes: a: DIT corresponds to the detector integration time per frame, ∆PA is the amplitude of the parallactic
rotation, τ0 corresponds to the coherence time. b: Values extracted from the updated DIMM info and averaged over the
sequence.
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Appendix B: Compared detection and contrast maps between PACO ASDI, TLOCI and PCA for 5σ
injected sources from PACO detection limits

SEP (mas) PA (◦) CONTRAST SEP (mas) PA (◦) CONTRAST SEP (mas) PA (◦) CONTRAST
250 100 4.81 × 10−6 250 220 4.18 × 10−6 250 340 4.92 × 10−6

500 85 2.09 × 10−6 500 205 1.24 × 10−6 500 325 1.38 × 10−6

750 70 1.45 × 10−6 750 190 7.12 × 10−7 750 310 9.73 × 10−7

1000 55 8.46 × 10−7 1000 175 8.10 × 10−7 1000 295 7.78 × 10−7

1250 40 4.44 × 10−7 12500 160 4.05 × 10−7 1250 280 4.68 × 10−7

Table B.1: IRDIS injected fake planets parameters.

SEP (mas) PA (◦) CONTRAST SEP (mas) PA (◦) CONTRAST SEP (mas) PA (◦) CONTRAST
1500 100 3.07 × 10−7 1500 160 3.20 × 10−7 1500 220 3.08 × 10−7

1500 280 2.87 × 10−7 1500 340 3.18 × 10−7 1750 85 2.51 × 10−7

1750 145 2.57 × 10−7 1750 205 2.44 × 10−7 1750 265 2.43 × 10−7

1750 325 2.50 × 10−7 2000 70 2.24 × 10−7 2000 130 2.07 × 10−7

2000 190 2.19 × 10−7 2000 250 2.15 × 10−7 2000 310 2.19 × 10−7

2250 55 2.10 × 10−7 2250 115 1.93 × 10−7 2250 175 2.12 × 10−7

2250 235 2.16 × 10−7 2250 295 1.96 × 10−7 2500 40 1.94 × 10−7

2500 100 1.89 × 10−7 2500 160 1.92 × 10−7 2500 220 1.96 × 10−7

2500 280 1.88 × 10−7 2750 25 1.91 × 10−7 2750 85 1.89 × 10−7

2750 145 1.73 × 10−7 2750 205 1.91 × 10−7 2750 265 1.87 × 10−7

3000 10 1.72 × 10−7 3000 70 1.81 × 10−7 3000 130 1.66 × 10−7

3000 190 1.78 × 10−7 3000 250 1.77 × 10−7 3250 355 1.71 × 10−7

3250 55 1.68 × 10−7 3250 115 1.87 × 10−7 3250 175 1.79 × 10−7

3250 235 1.76 × 10−7 3500 340 1.66 × 10−7 3500 40 1.71 × 10−7

3500 100 1.68 × 10−7 3500 160 1.76 × 10−7 3500 220 1.72 × 10−7

3750 325 1.68 × 10−7 3750 25 1.76 × 10−7 3750 85 1.67 × 10−7

3750 145 1.72 × 10−7 3750 205 1.85 × 10−7 4000 310 1.74 × 10−7

4000 10 1.76 × 10−7 4000 70 1.80 × 10−7 4000 130 1.71 × 10−7

4000 190 1.74 × 10−7 4250 295 1.72 × 10−7 4250 355 1.63 × 10−7

4250 55 1.73 × 10−7 4250 115 1.64 × 10−7 4250 175 1.80 × 10−7

4500 280 1.69 × 10−7 4500 340 1.74 × 10−7 4500 40 1.63 × 10−7

4500 100 1.71 × 10−7 4500 160 1.69 × 10−7 4750 265 1.69 × 10−7

4750 325 1.65 × 10−7 4750 25 1.63 × 10−7 4750 85 1.66 × 10−7

4750 145 1.65 × 10−7 5000 190 1.65 × 10−7 5000 250 1.87 × 10−7

5000 10 1.69 × 10−7 5000 70 1.73 × 10−7 5000 130 1.64 × 10−7

Table B.2: IRDIS injected fake planets parameters.
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Fig. B.1: Contrast comparison between PCA (10 modes), TLOCI and PACO. The contrast of the injected fake planets
were computed using 2-D contrast maps, hence the differences with the 5σ curve: local variations of the achieved contrast
are averaged azimuthally.
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Fig. B.2: PACO ASDI S/N map assuming the SED of sought sources is flat. The locations of injected sources are
highlighted by the red boxes.
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Fig. B.3: PCA residual map. The locations of injected sources are highlighted by red boxes.
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Fig. B.4: PCA S/N map. The locations of injected sources are highlighted by red boxes.
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Fig. B.5: TLOCI residual map. The locations of injected sources are highlighted by red boxes.
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Fig. B.6: TLOCI S/N map. The locations of injected sources are highlighted by red boxes.
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Fig. B.7: Normalized injected contrasts for IFS for the three cases considered.

CASE SEP (mas) PA (◦) MEAN CONTRAST SEP (mas) PA (◦) MEAN CONTRAST
1 200 240 6.18 × 10−6 400 225 2.27 × 10−6

1 600 210 1.43 × 10−6 800 195 1.06 × 10−6

2 200 120 3.58 × 10−6 400 105 1.61 × 10−6

2 600 90 1.13 × 10−6 800 75 1.48 × 10−6

3 200 0 2.81 × 10−6 400 345 1.83 × 10−6

3 600 330 1.14 × 10−6 800 305 1.16 × 10−6

Table B.3: IFS injected fake planets parameters.
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Appendix C: MESS2 results
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Fig. C.1: Results for HD 105, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.2: Results for HD 377, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.3: Results for HD 987, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.4: Results for HD 1466, DI only (left), DI+RV (right). Two epochs were available for DI.
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Fig. C.5: Results for BD-12 243, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.6: Results for HD 8558, DI only (left), DI+RV (right). Three epochs were available for DI.
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Fig. C.7: Results for HD 17925, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.8: Results for HD 43989, DI only (left), DI+RV (right). Two epochs were available for DI.
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Fig. C.9: Results for HD 44627, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.10: Results for HD 45270, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.11: Results for CD-61 1439, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.12: Results for HD 49855, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.13: Results for HD 61005, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.14: Results for HD 118100, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.15: Results for HD 1642490, DI only (left), DI+RV (right). Four epochs were available for DI.
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Fig. C.16: Results for HD 174429, DI only (left), DI+RV (right). Five epochs were available for DI.
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Fig. C.17: Results for HD 181327, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.18: Results for HD 189245, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.19: Results for HD 218860, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.20: Results for HD 224228, DI only (left), DI+RV (right). One epoch was available for DI.
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Fig. C.21: Results for HD 90712 (left) and HD 197890 (right). No radial velocity data were available. One epoch was
available for DI.
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Fig. C.22: Results for CD-31 16041. No radial velocity data were available. Two epochs were available for DI.
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ABSTRACT

Coronal mass ejections (CMEs) are violent ejections of magnetized plasma from the Sun, which
can trigger geomagnetic storms, endanger satellite operations and destroy electrical infrastructures on

the Earth. After systematically searching Sun-as-a-star spectra observed by the Extreme-ultraviolet

Variability Experiment (EVE) onboard the Solar Dynamics Observatory (SDO) from May 2010 to May

2022, we identified eight CMEs associated with flares and filament eruptions by analyzing the blue-wing

asymmetry of the O iii 52.58 nm line profiles. Combined with images simultaneously taken by the 30.4
nm channel of the Atmospheric Imaging Assembly onboard SDO, the full velocity and propagation

direction for each of the eight CMEs are derived. We find a strong correlation between geomagnetic

indices (Kp and Dst) and the angle between the CME propagation direction and the Sun-Earth line,

suggesting that Sun-as-a-star spectroscopic observations at EUV wavelengths can potentially help to
improve the prediction accuracy of the geoeffectiveness of CMEs. Moreover, an analysis of synthesized

long-exposure Sun-as-a-star spectra implies that it is possible to detect CMEs from other stars through

blue-wing asymmetries or blueshifts of spectral lines.

Keywords: Solar coronal mass ejections (310) — Stellar coronal mass ejections (1881) — Solar filament

eruptions (1981) — Spectroscopy (1558) — Space weather (2037)

1. INTRODUCTION

On 13 March 1989, a large geomagnetic storm overwhelmed the power grid in Quebec, Canada causing widespread

blackouts and accompanied worldwide auroras (Allen et al. 1989; Boteler 2019). Observational evidences show that

this geomagnetic storm was caused by coronal mass ejections (CMEs) (Allen et al. 1989; Boteler 2019), which are
spectacular ejections of a large amount of plasma and embedded magnetic field from the solar atmosphere (Forbes et al.

2006; Chen 2011). The interaction of CMEs with the Earth’s magnetosphere significantly disturb the geomagnetic

field, triggering geomagnetic storms (Sheeley et al. 1985; Gosling et al. 1991; Gopalswamy et al. 2000). CME-induced

geomagnetic storms can also endanger satellite operations and the safety of astronauts. Hence, it is of vital importance
to predict whether a CME will cause a geomagnetic storm and how strong the storm will be.

An accurate prediction relies on precise knowledge of some key parameters such as the CME propagation direction,

full speed and embedded magnetic field direction (Burton et al. 1975; Kang et al. 2006). The propagation direction

largely determines the likelyhood of CME collision with the Earth, and thus is critical for the prediction of geoeffective-

ness. However, with the commonly used imaging observations from a single viewpoint, it is very difficult to determine
the propagation direction. Halo CMEs are thought to travel towards or away from the Earth (Howard et al. 1982).
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However, statistical analyses of halo CMEs show that only about 50% frontside halo CMEs can produce geomagnetic

storms with Kp ≥ 5, and the distribution of source locations of these geoeffective halo CMEs is asymmetric on the

visible solar disk (Cane et al. 2000; Wang et al. 2002). On the other hand, non-halo CMEs may also hit the Earth

and induce geomagnetic storms. These studies suggest that parameters inferred solely from imaging observations, e.g.,
the source locations and angular widths, cannot adequately determine the propagation directions and geoeffectiveness

of CMEs (Wang et al. 2002; Cane et al. 2000; St. Cyr et al. 2000; Zhang et al. 2007). Although a CME propagation

direction parameter that quantifies the asymmetry of the projected CME morphology in coronagraph images was

found to have a relatively good correlation with the strength of geomagnetic storm (Moon et al. 2005), its application

is only limited to very fast halo CMEs.
Spectroscopic observations could provide valuable information about the propagation of CMEs. According to the

Doppler effect, the movement of ejected materials in CMEs along the line of sight towards observers should cause

blueshifts or blueshifted component in spectral line profiles (Tian et al. 2012). If we combine the plane-of-sky (POS)

and line-of-sight (LOS) velocity components measured with imaging and spectroscopic observations, respectively, we
should be able to determine the CME propagation direction and full velocity. However, currently almost all coronal

spectrometers are slit spectrometers, which usually scan a small region on the Sun with a typical duration of 1 hour.

It is very difficult to catch large-scale coronal transients such as CMEs with such type of observations (Tian et al.

2012). Recently, it was found that the Doppler-shifted ejecta could be observed in the Sun-as-a-star spectra during

the initial stage of CME propagation (before appearing in coronagraphs) (Xu et al. 2022). During the solar eruption
on 2021 October 28, an obvious secondary component appeared in the blue wing of the Ov 62.97 nm line. Combing

the velocity component inferred from this secondary component with the velocity component derived from imaging

observations from another viewpoint, the propagation direction and full velocity of the CME were derived.

Here, we adopt a similar strategy but use spectral and imaging observations from a single spacecraft, the Solar
Dynamics Observatory (SDO) (Pesnell et al. 2012), to derive the propagation direction and full velocity of eight CMEs.

Sun-as-as-star spectra and full-disk images were obtained with the Extreme Ultraviolet Variability Experiment (EVE)

(Woods et al. 2012) and the Atmospheric Imaging Assembly (AIA) (Lemen et al. 2012) onboard SDO, respectively.

It is found that the propagation direction and geomagnetic indices (Kp and Dst) are strongly correlated, suggesting

that the propagation direction inferred through this way can be used to predict the geoeffectiveness of CMEs. We also
synthesize long-exposure Sun-as-a-star spectra from EVE observations and demonstrate that it is possible to detect

CMEs from other stars through blue-wing asymmetries or blueshifts of spectral lines.

2. DATA AND METHODS

SDO/EVE measures Sun-as-a-star spectral irradiance over the wavelength range 6-106 nm with a sampling wave-

length interval of 0.02 nm, which enables detection of Doppler velocities at tens of kilometers per second (Woods et al.

2012). EVE comprises a grazing-incidence spectrograph (MEGS-A, 6-37 nm) and a two-grating, cross-dispersing spec-

trograph (MEGS-B, 35-105 nm). The MEGS-B has operated for approximately three hours per day during most
period of the mission, while MEG-A has been unable to work since 26 May 2014. In this work, EVE level-2B spectra

were used to search for CMEs and plot light curves during the associated flares. Each file in EVE level-2B products

contains one-day observational data at a cadence of one minute.

The Sun-as-a-star spectra observed by the MEGS-B instrument between May 2010 and May 2022 were used to
identify spectral signatures of CMEs. After systematically searching the 12-year Sun-as-a-star spectral database, only

57 samples with full-phase observations and associated with large flares (flare class ≥ M3) were found, from which we

only detected eight CMEs associated with flares and filament eruptions by analyzing the blue-wing asymmetry of the

O iii 52.58 nm line profiles. Since the O iii 52.58 nm line has been found to be sensitive to plasma motions during

CMEs (Xu et al. 2022) and the formation temperature of the O iii 52.58 nm line (104.9 K) is close to the peak response
temperature of AIA 30.4 nm (104.7 K) (O’Dwyer et al. 2010; Lemen et al. 2012), we focused on examining the changes

in O iii 52.58 nm line profiles during solar eruption events (flares or obvious mass ejections in AIA 30.4 nm images).

On the visible disk of the Sun, CMEs moving toward the observer should cause blueshifts of spectral lines. Therefore,

we searched for CMEs based on the blue-shifted excess of O iii 52.58 nm line profiles.
Due to the instrumental effect of EVE, the centroid wavelengths of spectral lines may shift in different observation

periods (Chamberlin 2016). Therefore, when examining changes in O iii 52.58 nm line profiles during each eruption

event, we selected three O iii 52.58 nm line profiles observed during a relatively quiet period before the onset of each

event as reference spectra. To obtain the reference wavelength (λ0) of the O iii 52.58 nm line for each event, we used



3

the following equation to perform single Gaussian fitting for pre-eruption O iii 52.58 nm line profiles:

I(λ) = A0 +A1e
−

(λ−λ0)2

2σ2
0 . (1)

By performing single Gaussian fitting for three profiles, we obtained the centroid wavelengths. By averaging the three

centroid wavelengths, the reference wavelength of the O iii 52.58 nm line for each event was obtained. Reference

wavelengths for eight events are shown as the black vertical dashed lines in Figure 1, which are in the range of 52.5766
nm to 52.5840 nm.

3. DATA ANALYSIS AND RESULTS

3.1. Eight CMEs detected from Sun-as-a-star EUV spectra

Using the extreme ultraviolet (EUV) spectra taken by the MEGS-B spectrometer of SDO/EVE between May 2010

and May 2022, we explored changes in O iii 52.58 nm line profiles during solar eruption events and identified spectral

signatures of eight CMEs that are associated with solar flares and visible mass ejections on the solar disk. Examples

of O iii 52.58 nm line profiles with identified blue-wing enhancement for the eight CMEs are plotted in Figure 1.
Figure 1 only presents three O iii 52.58 nm line profiles showing blue-wing asymmetry during each CME event and

one pre-eruption line profile for comparison. All O iii 52.58 nm line profiles showing blue-wing asymmetry during each

CME event can be accessed at https://nadc.china-vo.org/res/r101180/. Figure 2 presents updated soft X-ray light

curves measured by the GOES satellite and temporal evolution of the O iii 52.58 nm, Ov 62.97 nm, Nevii 46.52 nm

and Neviii 77.04 nm irradiances observed with SDO/EVE for these eight events. The irradiances are significantly
enhanced during the associated flares, and peak before the soft X-ray peak times. It should be mentioned that the

blue wing asymmetry of O iii 52.58 nm appears near the peak time of the O iii 52.58 nm irradiance, which means that

plasma starts to be ejected during the flare impulsive phase. The relevant parameters of these eight CMEs are listed in

Table 1, including the source location (Location), the time of CME’s first appearance in the field of view of the Large
Angle and Spectrometric Coronagraph (LASCO) (Brueckner et al. 1995) C2 (CME C2 Time) onborad the Solar and

Heliospheric Observatory, the central position angle (the middle position angle with respect to the two edges of the

CME in the sky plane; CPA) (Yashiro et al. 2004).

Table 1. Information of eight CMEs

CME ID CME Name Locationa CME C2 Timeb CPAc Vlos
d Vpos

e Vfull
f αg Dsth Kph

(UT) (deg) (km/s) (km/s) (km/s) (deg) (nT)

1 20150625X1.1 N13W40 08:36 Halo -499(31) 308(7) 586(32) 32(4) -46 3.7

2 20170906X13.3 S07W33 12:24 Halo -458(14) 29(2) 459(14) 4(5) -122 8

3 20211028X1.0 S26W04 15:48 Halo -459(13) 225(54) 511(56) 26(13) -36 4

4 20110214M3.2 S20W04 18:24 Halo -339(35) 503(31) 607(47) 56(7) -20 2.3

5 20151104M5.3 N06W04 14:48 Halo -450(34) 96(14) 460(37) 12(11) -87 6

6 20150311X3.1 S16E26 17:00 73 -370(27) 194(15) 406(31) 28(7) -15 2.3

7 20141115M5.4 S15E44 21:24 142 -339(37) 273(13) 435(39) 39(7) -36 3.3

8 20120702M5.4 S17W01 20:24 185 -230(44) 364(38) 431(58) 58(13) -13 2.7

Note—(a) The CME source location; (b) the time of CME’s first appearance in the field of view of the LASCO/C2; (c) the
central position angle; (d) the average line-of-sight velocity; (e) the average plane-of-sky velocity; (f) the full velocity for
the bulk motion of the ejected plasma; (g) the angle between CME propagation direction and the Sun-Earth line; (h) the
geomagnetic indices Dst and Kp.

https://nadc.china-vo.org/res/r101180/
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Figure 1. Examples of Sun-as-a-star O iii 52.58 nm line profiles showing blue-wing asymmetry during eight
CME events. Each event is marked by the associated flare class (GOES class) and date of occurrence, such as 20150625X1.1
for CME 1. The green, red and blue dashed lines with stars in each panel are three line profiles during the CME, and the black
dashed line with stars is a pre-eruption line profile (reference spectrum). Each spectral profile is marked with the corresponding
observation time. The vertical black dashed line in each panel indicates the reference wavelength. Two pink vertical lines mark
the blue wing enhancement.



5

07:55:00 08:20:00 08:45:00 09:10:00
Time (2015-06-25) (UT)

10−6

10−5

10−4

X-
Ra

y 
Fl
ux

 (W
m

−2
)

(A)

11:45:00 11:55:00 12:05:00 12:15:00
Tim( (2017-09-06) (UT)

10−5

10−4

10−3
(B)

15:15:00 15:29:00 15:43:00 15:57:00
Tim( (2021-10-28) (UT)

10−7

10−6

10−5

10−4
(C)

17:15:00 17:23:00 17:31:00 17:39:00
Tim( (2011-02-14) (UT)

10−6

10−5

(D)

13:15:00 13:35:00 13:55:00 14:15:00
Tim( (2015-11-04) (UT)

10−6

10−5

10−4

X-
Ra

y 
Fl
ux

 (W
m

−2
)

(E)

16:05:00 16:15:00 16:25:00 16:35:00
Tim( (2015-03-11) (UT)

10−6

10−5

10−4

(F)

20:30:00 20:38:00 20:46:00 20:54:00
Tim( (2014-11-15) (UT)

10−6

10−5

10−4
(G)

19:55:00 20:03:00 20:11:00 20:19:00
Tim( (2012-07-02) (UT)

10−6

10−5

10−4
(H)

1.0

1.5

2.0

2.5X1.1

1.0

1.5

2.0

2.5

3.0

3.5X13.3

1.0

1.2

1.4

X1.0

1.0

1.1

1.2

1.3

1.4

N.
rm

al
i4(

d 
Irr
ad

ia
−c

(

M3.2

1.0

1.1

1.2

1.3

1.4M5.3

1.0

1.2

1.4

X3.1

1.0

1.1

1.2
M5.4

1.0

1.2

1.4

1.6

N.
rm

al
i4(

d 
Irr
ad

ia
−c

(M5.4

GOES 2r0b_)l12 O III (52.58−m) O V (62.97−m) N( VII (46.52−m) N( VIII (77.04−m)

Figure 2. GOES 0.1-0.8 nm soft X-ray light curves (red) and SDO/EVE O iii 52.58 nm (yellow), O v 62.97 nm
(blue), Ne vii 46.52 nm (black) and Ne viii 77.04 nm (cyan) light curves during the eight events. The black vertical
dashed lines indicate the corresponding flare peak times. The top right corner of each panel is labeled with the flare class.

For O iii 52.58 nm line profiles with blue-wing asymmetry, the following equation is used for double Gaussian fitting:

I(λ) = B0 +B1e
−

(λ−λb)
2

2σ2
b +B2e

−

(λ−λg)2

2σ2
g . (2)

All parameters (B0, B1, B2, λb, σb, λg, σg) in Equation 2 are considered as free parameters when performing double-
Gaussian fitting on the O iii 52.58 nm line profiles. Moreover, the double-Gaussian fitting parameters for all O iii 52.58

nm line profiles with blue-wing asymmetry during the eight CME events are listed in Table 2. The reduced chi-square

Table 2. Gaussian fitting parameters for the O iii 52.58 nm line profiles with blue-wing asymmetry.

CME Name num spa exp timeb χ2
r
c B0

d B2
d λg

d σg
d B1

d λb
d σb

d

(UT) ×10−7
×10−7

×10−3
×10−3

×10−7
×10−3

×10−3

20150625X1.1 3 08:13:30 1.27 19(3) 248(6) 52594(1) 46(1) 39(26) 52498(4) 11(9)

08:14:30 2.45 32(6) 378(11) 52605(2) 48(2) 55(16) 52494(6) 17(6)

08:15:30 1.06 24(4) 315(6) 52602(1) 49(1) 34(19) 52497(5) 11(9)

20170906X13.3 8 11:55:30 0.58 13(1) 251(2) 52583(1) 46(1) 21(79) 52499(5) 9(30)

11:56:30 1.11 30(3) 486(6) 52595(1) 46(1) 74(11) 52497(2) 14(3)

11:57:30 1.43 38(4) 517(8) 52596(1) 47(1) 71(15) 52497(3) 14(4)

11:58:30 0.57 22(2) 303(3) 52589(1) 48(1) 46(8) 52499(2) 13(3)

11:59:30 0.69 24(2) 269(4) 52586(1) 48(1) 52(7) 52498(2) 15(3)

12:00:30 0.77 29(3) 324(5) 52590(1) 48(1) 74(10) 52497(2) 15(3)

12:01:30 1.03 33(3) 338(6) 52589(1) 49(1) 63(12) 52497(3) 14(4)

12:02:30 0.65 28(2) 262(4) 52585(1) 48(1) 71(7) 52498(1) 15(2)

... ... ... ... ... ... ... ... ... ... ...

Note—(a) the number of O iii 52.58 nm line profiles with blue-wing asymmetry during each CME event; (b) the observation
time of each spectrum; (c) the reduced chi-square (χ2

r) value of Gaussian fitting; (d) Gaussian fitting parameters (B0, B2,
λg, σg, B1, λb, σb) in Equation 2. The corresponding error is provided in parentheses. The units for B0, B1, and B2 are
W m−2nm−1, and the units for λg, λb, σg, and σb are nm. The last three parameters (B1, λb and σb) correspond to the
Gaussian component of the blue-wing enhancement. For the single Gaussian fitting of panel C and F in Figure 7, there is no
Gaussian component of the blue-wing enhancement, so these three parameters are not available.

*This is part of the data in Table 2, and the complete data is listed in the spreadsheet.
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Figure 3. Double Gaussian fitting results for three O iii 52.58 nm line profiles observed during CME 1
(20150625X1.1). The black stars represent the observational data of SDO/EVE, and the red dashed lines are double Gaus-
sian fitting results. The blue and green lines represent the two Gaussian components, respectively, and the Doppler velocities
corresponding to the centroid wavelengths of the two components are marked in the upper left corner of each panel. The black
vertical dashed line indicates the reference wavelength.

(χ2
r) is used to evaluate the goodness of Gaussian fitting. The closer this value is to 1, the better the fitting result. The

reduced chi-square (χ2
r) is defined as the following (e.g., Bevington & Robinson 1992; Peter 2001; Tian et al. 2011):

χ2
r =

1

N − f

N
∑

i=1

(di −mi)
2

σ2
i

, (3)

where di, mi, and σi are the observed spectral irradiance, the fitted spectral irradiance, and the measurement error
given by the SDO/EVE, respectively. The i denotes the spectral position, with the summation being carried out

across the complete set of N spectral positions. The degree of freedom is represented by f and is equivalent to 4 or 7

for a single- or double-Gaussian fitting, respectively. The χ2
r value of the double Gaussian fitting for each line profile

during the eight CME events is also listed in Table 2. It should be noted that, after comparing the single and double
Gaussian fitting results of the 63 O iii 52.58 nm line profiles obtained during the eight CME events, we found that, for

53 of them, the χ2
r value of the double Gaussian fitting is closer to 1 than that of the single Gaussian fitting, indicating

that double Gaussian fitting is more appropriate for 84% of these line profiles. For the other 10 profiles, the blue wing

enhancement is relatively weak, and the observation times are close to the initial or final stages of filament eruptions.

Table 3. Information of Emission Measure (EM) calculation

CME Name AIA timea eruption regionb AIA EMc EVE timed BW Irre BW Radf EVE EMg Ratioh

(UT) (x1:x2,y1:y2)(arcsec) (cm−5) (UT) (erg cm−2s−1) (erg cm−2s−1sr−1) (cm−5)

20150625X1.1 08:13:07 (630:649,128:242) 6.23 × 1027 08:13:30 1.07× 10−4 2116 8.71× 1027 1.40

20170906X13.3 11:57:29 (537:585,-259:-220) 2.29 × 1028 11:57:30 2.45× 10−4 5591 2.30× 1028 1.01

20211028X1.0 15:29:17 (-135:178,-581:-508) 1.04 × 1028 15:29:30 2.88× 10−4 538 2.22× 1027 0.21

20110214M3.2 17:25:32 (-20:87,-235:-94) 4.64 × 1027 17:25:30 1.45× 10−4 410 1.69× 1027 0.36

20151104M5.3 13:42:30 (55:171,111:150) 1.82 × 1027 13:42:30 6.55× 10−5 619 2.55× 1027 1.40

20150311X3.1 16:22:34 (-448:-401,-191:-78) 2.57 × 1027 16:22:30 2.92× 10−4 2344 9.65× 1027 3.75

20141115M5.4 20:46:34 (-967:-854,-301:-264) 1.29 × 1027 20:46:30 1.68× 10−4 1714 7.06× 1027 2.74

20120702M5.4 20:04:34 (42:53,-436:-312) 5.45 × 1027 20:04:30 1.48× 10−4 4642 1.91× 1028 3.50

Note—(a) the observation time of AIA 30.4 nm image used to calculate the EM of the erupting material; (b) the eruption
region in AIA 30.4 nm image used to calculate the EM; (c) the average EM of the ejected plasma in the AIA 30.4 nm image;
(d) The observation time of the spectrum used to calculate the EM of the blue-wing enhancement in O iii 52.58 nm line profile;
(e) the irradiance of the blue-wing enhancement in O iii 52.58 nm line profile; (f) the radiance of the blue-wing enhancement
in O iii 52.58 nm line profile; (g) the EM of the blue-wing enhancement in O iii 52.58 nm line profile; (h) the ratio of the EM
of the blue-wing enhancement in O iii 52.58 nm line profile to that of the ejected plasma in the AIA 30.4 nm image.
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Therefore, for the O iii 52.58 nm line profiles with blue asymmetry during the eight CME events, we adopted the

double Gaussian function for fitting. The Doppler velocities corresponding to the centroid wavelengths of the blue and

green Gaussian components in Figure 3 can be calculated from the following equations:

Vb =
λb − λ0

λ0

c , (4)

Vg =
λg − λ0

λ0

c , (5)

where c is the speed of light. The fitting error of the double Gaussian fitting was used to calculate the uncertainties

of these two Doppler velocities.

By performing double Gaussian fitting for O iii 52.58 nm line profiles with blue wing asymmetry, we derived the

average velocity along the line of sight for the eight CMEs. Taking CME 1 (20150625X1.1) as an example, there are
only three O iii 52.58 nm line profiles with blue-wing asymmetry during this CME. Double Gaussian fitting results of

the three line profiles and Doppler velocities of the two Gaussian components are shown in Figure 3. By averaging

the three Doppler velocities of the blue-wing Gaussian components, we obtained the average velocity of CME 1 along

the line of sight as Vlos = -499 (31) km s−1 (the minus sign indicates blueshift; the error is given in parentheses). It

should be noted that the reason why we preferred to fit individual time-resolved line profiles is that, for the eight CME
events, the signal-to-noise ratio (S/N) of each O iii 52.58 nm line profile is high enough for double Gaussian fitting.

In addition, by fitting individual profiles, we can see the evolution of the blue-wing asymmetry of O iii 52.58 nm line

profiles. The average velocities of the other CMEs1 along the line of sight are shown in the column 6 of Table 1.

In the meantime, the SDO/AIA captured eruptions associated with the eight CMEs through direct imaging at the
EUV wavelengths. The 30.4 nm images of SDO/AIA revealed obvious plasma ejections associated with the eight

CMEs. The ejecta appear as bright structures, indicating a temperature of ∼104.7 K (temperature corresponding to

the peak of the response function of AIA 30.4 nm). To calculate the plane-of-sky velocities of the bright ejecta, we

chose cuts along the directions of ejecta motion in SDO/AIA 30.4 nm images. Taking CME 1 as an example, we chose

three cuts along the direction of the bright ejecta motion, as shown in panel A of Figure 4. The directions of these
three cuts are consistent with the propagation direction of CME 1 in LASCO/C2 images. The time-distance plots

corresponding to the three cuts are shown in panels B, C and D of Figure 4. The trajectories of ejecta are marked

with white dotted lines. Through linear fitting for the trajectories of the ejecta, the average velocities of the ejecta

along the three cuts were estimated to be 309 km s−1, 314 km s−1 and 301 km s−1, respectively. By averaging these
three velocities, we obtained the plane-of-sky velocity of the ejecta, which is Vpos = 308 (7) km s−1 in the case of CME

1. The corresponding uncertainty was set as the maximum difference between the three velocities and their average

value.The obtained plane-of-sky velocities (Vpos) of the eight CMEs are listed in column 7 of Table 1.

For each of the eight CMEs, the timing of the blue-wing enhancement in the O iii 52.58 nm line profile coincides with

the evolution time of the plasma ejection seen in the AIA 30.4 nm images. The O iii 52.58 nm line has a formation
temperature of ∼104.9 K, which is close to the peak temperature of the AIA 30.4 nm response function. We assume

that the blue wing asymmetries in O iii 52.58 nm line profiles are caused by the ejecta observed in AIA 30.4 nm images.

This hypothesis might be evaluated through a comparison between the emission measure (EM) responsible for the

blue-wing enhancement in the O iii 52.58 nm line profile and that of the ejected plasma observed in the AIA 30.4 nm
passband. Similar to Li et al. (2016), the EM can be calculated using the following equation:

EM =
I

EfG(Tpeak)
cm−5, (6)

where I is the observed intensity, Ef is the instrument effective area, G(Tpeak) is the peak of the contribution function

of the spectral line. For the AIA 30.4 nm images, the intensity unit of the exposure time normalized image is DN pix−1

s−1. The temperature response, EfG(Tpeak), for each CME event can be obtained through the SolarSoftware (SSW)
routine aia get response.pro, and their peak values (unit: DN cm5s−1pix−1) are used for calculation (Boerner et al.

2012). For the O iii 52.58 nm line, the EVE level 2B spectral irradiance has been calibrated. The radiance, I/Ef

(unit: erg cm−2s−1sr−1), of the blue-wing enhancement of the O iii 52.58 nm line profile can be obtained by dividing

1 Details about the other events can be accessed at https://nadc.china-vo.org/res/r101180/.

https://nadc.china-vo.org/res/r101180/
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the corresponding irradiance (unit: erg cm−2s−1) of the blue-wing enhancement by the solid angle (sr) occupied by

the area of the filament eruption region at 1 au (Schonfeld et al. 2017). This filament eruption region is the same as

the eruption region (rectangular region in Table 3) in AIA 30.4 nm image used to calculate the EM. Schonfeld et al.

(2017) obtained the radiance of a spectral line in the SDO/EVE by dividing the irradiance of the line by the solid
angle (6.78 × 10−5sr) occupied by the area of the solar disk at 1 astronomical unit (au). Here we need to calculate

the solid angle corresponding to the eruption region on the solar disk at 1 au. The calculation process is as follows:

first, we need to calculate the area (A) of the eruption region in the AIA 30.4 nm image. Then we can divide this

area (A) by the area of the solar disk (π × 9602 arcsec2), and multiply the result by the solid angle (6.78 × 10−5sr)

corresponding to the area of the solar disk at 1 au. This will give us the solid angle occupied by the eruption region
on the solar disk in the AIA 30.4 nm image at 1 au. The contribution function of the O iii 52.58 nm line can be

obtained from CHIANTI (Dere et al. 1997, 2019), and we used the peak value 2.43 × 10−25 erg cm3s−1sr−1 for our

calculation. For the comparison of EMs for each event, we selected a spectrum with obvious blue-wing enhancement

of the O iii 52.58 nm line profile, and an almost simultaneously observed AIA 30.4 nm image for EM calculations. For
each event, the observation time of AIA 30.4 nm image, the eruption region in AIA 30.4 nm image used to calculate

the EM, and the average EM of the ejected plasma in AIA 30.4 nm image are listed in Table 3. The observation time

of the EVE spectrum, the irradiance of the blue-wing enhancement of the O iii 52.58 nm line profile, the radiance of

the blue-wing enhancement of the O iii 52.58 nm line profile, and the EM of the blue-wing enhancement of the O iii

52.58 nm line profile are also listed in Table 3. The ratio of the EM of the blue-wing enhancement of the O iii 52.58
nm line profile to that of the ejected plasma in the AIA 30.4 nm image is listed in the last column of Table 3. The

analysis of the ratio between the two EMs in the last column of Table 3 reveals that, for the eight cases, the EM of

the blue-wing enhancement of the O iii 52.58 nm line profile and that of the ejected plasma in the AIA 30.4 nm image

are comparable. Therefore, we can reasonably assume that the blue-wing asymmetries in O iii 52.58 nm line profiles
are caused by the ejecta observed in AIA 30.4 nm images. The discrepancy could be attributed to the following facts:

(1) The He ii 30.4 nm line is an optically thick line and not well-modeled by CHIANTI (Warren 2005); (2) The O iii

52.58 nm and He ii 30.4 nm lines have different formation temperatures.

Since the SDO/AIA and SDO/EVE observe the Sun from the same viewpoint, the angle between the line-of-sight

velocity and plane-of-sky velocity components is 90 degrees. Therefore, the full velocity (Vfull) for the bulk motion of
the ejected plasma can be estimated from the following equation:

Vfull =
√

V 2
los + V 2

pos (7)

In addition, the angle (α) between the propagation direction and the Sun-Earth line can be inferred from the following

equation:

tanα =
Vpos

|Vlos|
(8)

After calculation, we found that the full velocity and α angle of CME1 are 586 (32) km s−1 and 32 (4) degrees, respec-

tively, during the time period of about 08:13:00 UT - 08:16:00 UT. Errors are calculated through error propagation.

The full velocities (Vfull) and the angles (α) between the propagation directions of other CMEs and the Sun-Earth

line are listed in the eighth and ninth columns of Table 1, respectively.

3.2. Strong correlation between CME propagation direction and geomagnetic indices

The propagation direction of CME is an important parameter for predicting geomagnetic storms. Previous studies

attempted to examine the correlation between indirect parameters related to CME propagation direction and geomag-

netic storms, such as the central position angle and the source location of CME. However, not all CMEs are radially
ejected from their source locations, and the correlation between source location and geomagnetic storm strength is

weak (Kim et al. 2008). Since we have obtained the angle (α) between the propagation direction and the Sun-Earth

line for the eight CMEs, we can explore the correlation between the α and geomagnetic indices.

CMEs are well known to be important drivers of geomagnetic storms. When CMEs reach the Earth’s mag-
netosphere, they could produce nonrecurrent geomagnetic storms if they contain a strong and sustained south-

ward magnetic field component (e.g. Zhang & Burlaga 1988; Gosling et al. 1991; Echer et al. 2008). The in-

dications of geomagnetic storms are shown by the sharp decrease of the Dst index or the sharp increase

of Kp index (e.g. Gonzalez et al. 1994; Richardson & Cane 2011). The geomagnetic indices Kp and Dst
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Figure 4. Ejecta associated with CME 1 (20150625X1.1) in SDO/AIA 30.4 nm images. (A) AIA 30.4 nm image
taken at 08:13 UT, showing the bright ejecta. The green lines represent three cuts along the propagation directions of different
parts of the ejecta. (B-D) Time-distance plots for cuts 1, 2, and 3. White dotted lines mark the trajectories of the ejecta along
different cuts. The average velocity along each cut is marked in each panel.
(An animation of this figure is available.)
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were obtained from the Geomagnetic Observatory Niemegk, GFZ German Research Centre for Geosciences

(https://www-app3.gfz-potsdam.de/kp index/Kp ap Ap SN F107 since 1932.txt) (Matzka et al. 2021) and the World

Data Center for Geomagnetism in Kyoto (https://wdc.kugi.kyoto-u.ac.jp/dstdir/index.html), respectively. Figure 5

shows the temporal evolution of Dst and Kp indices for the eight CME events. We identified geomagnetic indices asso-
ciated with the eight CMEs by the following method. For four CMEs (20150625X1.1, 20170906X13.3, 20211028X1.0,

20151104M5.3), the real-time Community Coordinated Modeling Center (CCMC), located at NASA Goddard Space

Flight Center, has used the WSA-ENLIL+Cone model (Arge et al. 2004; Odstrcil 2003) to predict the arrival times of

the CMEs at the Earth. We obtained the minimum Dst and maximum Kp associated with each of these four CMEs

within a 24-hour time window centered at the model predicted arrival time. This time window was set based on the
statistical error of the model-predicted CME arrival times, which is slightly less than 12 hours (Gopalswamy et al.

2001; Wold et al. 2018). For the other four CMEs, there are no corresponding models provided by the CCMC. Thus,

we estimated the arrival times of CMEs at the Earth through an empirical model (Gopalswamy et al. 2001), and

obtained the minimum Dst and maximum Kp associated with these four CMEs within 24-hour time windows centered
at the predicted times. The corresponding minimum Dst and maximum Kp values for the eight CMEs are listed in

Table 1.

We performed a linear fitting for the relationship between the α angle and the geomagnetic indices for the eight

CMEs (Figure 6A-B). The linear fitting equation and Pearson correlation coefficient (PCC) are displayed in Figure 6.

Figure 6C shows the angle (β) between the Sun-Earth line and the radial direction at the CME source location versus
the Kp index. The PCC has also been calculated and shown in panel C.

Figure 6 shows the correlation between the α and geomagnetic indices. Panel A of Figure 6 shows that the α appears

to be correlated with the Kp index, the PCC is -0.84 and the corresponding p-value is 0.0087. Panel B shows that the

α is also correlated with the disturbance storm time (Dst) index, the PCC is 0.84 and the corresponding p-value is
0.0089. For comparison, panel C of Figure 6 shows the angle (β) between the Sun-Earth line and the radial direction

at the source location versus the Kp index. No obvious correlation can be found, the PCC is only -0.07 and the

corresponding p-value is 0.87, which is consistent with previous studies showing that the CME source location has

only a weak correlation with the strength of geomagnetic storm (Kim et al. 2008).

3.3. CME-related blueshifts in long-exposure Sun-as-a-star spectra

Attempts of stellar CME searching have revealed blue-wing asymmetries or blueshifts of spectral lines during flares

(e.g. Argiroffi et al. 2019; Vida et al. 2019; Namekata et al. 2021; Chen et al. 2022; Lu et al. 2022). Due to the weak

emission from other distant late-type stars, stellar optical, ultraviolet and X-ray spectral observations often require

long exposures. To examine whether Doppler-shift signals caused by stellar CMEs can be detected in spectral lines

observed with long-exposure times, we synthesized long-exposure stellar spectra using the Sun-as-a-star, short-exposure
spectra of EVE during CME eruptions. Taking two CMEs (20170906X13.3 and 20150311X3.1) as examples, panels

A and D in Figure 7 show two short-exposure spectra observed with EVE. For each event, we averaged ten spectra

taken during the time period of 11:53:30 UT - 12:02:30 UT and 16:13:30 UT - 16:22:30 UT, respectively, to synthesize

spectra with an exposure time of 10 minutes. Also, we averaged 30 spectra taken during the time period of 11:43:30
UT - 12:12:30 UT and 16:03:30 UT - 16:32:30 UT, respectively, to synthesize spectra with an exposure time of 30

minutes. These synthesized long-exposure O iii 52.58 nm line profiles are presented in panels B, C, E and F in Figure

7. Double Gaussian fitting was then applied to the O iii 52.58 nm line profiles for exposure times of 1 minute and 10

minutes (panels A, B, D and E). And single Gaussian fitting was applied to the line profiles observed with an exposure

time of 30 minutes. The related parameters of the Gaussian fitting in Figure 7 are also listed in Table 2.
Figure 7 shows the analysis results of two groups of long-exposure spectra (10 minutes and 30 minutes) synthesized

from the short-exposure (1 minute) spectra of EVE during solar CMEs. Panels B and E of Figure 7 show that it is

possible to detect the CME-caused blue-wing asymmetry from spectra with 10-minute exposure times. Panel C of

Figure 7 shows a weak redshift of the O iii 52.58 nm line with 30-minute exposure time, which is likely related to the
chromospheric condensation during flares (Tei et al. 2018; Wu et al. 2022). Panel F of Figure 7 shows that the O iii

52.58 nm line with 30-minute exposure time is slightly blueshifted, which is a result of the associated CME.

4. DISCUSSION AND CONCLUSION

In this work, we derived the full CME velocity based on the line-of-sight velocity and plane-of-sky velocity components

inferred from single-viewpoint observations. Previous studies have employed various methods to infer the 3D velocities

https://www-app3.gfz-potsdam.de/kp_index/Kp_ap_Ap_SN_F107_since_1932.txt
https://wdc.kugi.kyoto-u.ac.jp/dstdir/index.html
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Figure 5. The temporal evolution of Dst and Kp indices for eight CME events. The blue circles and cyan squares
represents the Dst and Kp values, respectively. The red vertical line marks the time when the CME first appeared in the field
of view of the LASCO/C2, and the two green vertical lines indicate the 24-hour time window.

of CMEs (e.g. Webb & Howard 2012; Zhao & Dryer 2014; Vourlidas et al. 2019). For instance, with multi-viewpoint

coronagraph observations from the Solar Terrestrial Relations Observatory (STEREO; Kaiser et al. (2008)) and the

Solar and Heliospheric Observatory (SOHO), one can reconstruct 3D velocities of CMEs (e.g. Howard 2011; Feng et al.

2012; Colaninno et al. 2013; Shi et al. 2015; Wood et al. 2017; Ying et al. 2022). It is worth noting that this approach
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Figure 6. Correlation between the CME propagation direction and geomagnetic indices. In panels A and B, α is
the angle between the CME propagation direction and the Sun-Earth line. Blue circles and black stars represent halo CMEs
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Figure 7. Gaussian fitting for O iii line profiles with effective exposure times of 1 minute, 10 minutes and 30
minutes. The black stars represent observational data from SDO/EVE. In panels A, B, D and E, the red dashed lines are
double Gaussian fitting results. The blue and green lines represent two Gaussian components, respectively. In panels C and F,
the red dashed lines are single Gaussian fitting results. The Doppler velocity corresponding to the centroid wavelength of each
Gaussian component is marked in the upper left corner of each panel. The black vertical dashed line indicates the reference
wavelength.

requires multiple telescopes to be located at favorable positions. Several studies have also reconstructed 3D velocities of

CMEs through single-viewpoint coronagraph observations, which actually rely on geometric assumptions of the shapes

of CMEs (e.g. Möstl et al. 2014; Rollett et al. 2016). Compared to these methods, our method has the following

characteristics. First, our method only relies on single-viewpoint observations, which is easier to achieve and more
cost efficient compared to multi-viewpoint observations. Second, our method does not rely on assumptions of CME

shapes. Third, our method can obtain the 3D CME velocity in the initial propagation phase as a CME travels through

the solar disk, while most of the 3D CME velocities reconstructed from coronagraph observations are at later stages

than ours. The derived full velocities at the initial propagation phase of CMEs could be used to constrain CME
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models and help improve the prediction accuracy of the CME arrival time at the Earth, although CMEs may undergo

complex acceleration or deceleration during subsequent propagation. For CMEs without multi-viewpoint observations,

our method could serve as an alternative approach for reconstructing 3D CME velocities. However, our method has

certain limitations. For instance, if the temperature of the erupted plasma is much lower or higher than the formation
temperature of the observed spectral line, we would not detect obvious blue-wing enhancements, rendering our method

ineffective for deriving the 3D CME velocity.

We have identified eight CMEs from the blue-wing asymmetries of O iii 52.58 nm line profiles obtained with the

MEGS-B spectrometer of SDO/EVE. This is the first catalogue of CMEs identified from Sun-as-a-star EUV spectra

using the Doppler shift method. The small number of events in this catalogue is likely related to three facts. First,
the MEGS-B has been operating for only approximately three hours per day during most period of the mission. As

a result, many CMEs were missed. Second, only relatively strong eruptions have the chance to be detected in the

Sun-as-a-star spectra. Blue wing enhancements caused by many relatively small-scale eruptions should be very weak

and cannot be detected. Third, to be observed in the O iii 52.58 nm line, at least some of the erupted materials
should have a temperature of ∼104.9 K. In many eruptions the plasma might be too hot. In addition, it is necessary to

determine whether the blue-wing enhancement of the O iii 52.58 nm line profile is caused by chromosphere evaporation

during flares. Solar flares observations indicate that blueshifts caused by chromospheric evaporation are often found

in high-temperature spectral lines, such as Fexii-xxiv lines (1.25 - 16 MK) and Caxix line (25 MK), while low-

temperature transition lines often do not show blueshifts or blue-wing enhancements (e.g. Doschek & Warren 2005;
Milligan & Dennis 2009; Tian et al. 2014, 2015; Li & Ding 2011). In some cases the transition region lines may reveal

a blue shift or blue wing enhancement. However, the velocity is generally 10-30 km/s (e.g. Milligan et al. 2006), much

smaller than the velocity we reported here. Thus, we can safely exclude the possibility of chromospheric evaporation.

We have also identified the bright ejecta that are simultaneously observed in the 30.4 nm passband of SDO/AIA.
Considering the similar temperature response of the 30.4 nm passband and the O iii 52.58 nm line, we can conclude

that the blue-wing asymmetries of O iii 52.58 nm line profiles are caused by the outward moving bright ejecta. It

is believed that plasma at typical transition region and chromospheric temperatures within CMEs represents the

erupting prominence material (Giordano et al. 2013). Thus, at least some of the observed ejecta likely represent the

heated filament materials during eruptions, others may simply be the ejected transition region plasma. The typical
morphology for CMEs is the so-called three-part structure, including a bright frontal loop, a dark cavity and an

embedded bright core (Illing & Hundhausen 1985). The bright core corresponds to the erupting filament, which often

has stronger magnetic field and higher plasma density than the other regions (House et al. 1981). Considering this, the

bright ejecta we observed are likely parts that later develop into the cores of CMEs. Thus, the derived full velocity and
propagation direction should be those of the CME cores during the early evolution stage of CMEs. Panels A and B of

Figure 6 show that there is a strong correlation between the propagation direction (α) of the CME core and geomagnetic

storm strength, suggesting that simultaneous full-disk imaging and Sun-as-a-star spectroscopic observations at EUV

wavelengths have the potential for accurate prediction of the geoeffectiveness of CMEs.

At present, the prediction of geomagnetic storm strength based mostly on coronagraph observations of CMEs often
produces false alarms. The real-time Community Coordinated Modeling Center (CCMC) has used models (Odstrcil

2003; Arge et al. 2004; Newell et al. 2007) to predict the geoeffectiveness of four CMEs in our catalogue. It has

successfully predicted a moderate geomagnetic storm with Kp of 6 (associated with CME 5) and a weak geomagnetic

storm with Kp of 3.7 (CME 1). However, its predictions for CMEs 2 and 3 are largely different from the actual
situations. It predicted that CME 2 (20170906X13.3) would produce a geomagnetic storm with maximum Kp up to 6

on the Earth, but a severe geomagnetic storm with maximum Kp of 8 was detected. In addition, the CCMC predicted

that CME 3 (20211028X1.0) would produce a severe geomagnetic storm with maximum Kp up to 8 on the Earth,

but a weak geomagnetic storm with maximum Kp of 4 was detected. If we use the fitted curve shown in panel A of

Figure 6, we would correctly predict the geomagnetic storm strengths for all these four CMEs. Our prediction of Kp
is ∼8 for CME 2 and ∼4.7 for CME 3, in much better agreement with actual observations. Therefore, information

about the propagation direction (α) of the CME core, which could be obtained from simultaneous full-disk imaging

and Sun-as-a-star spectroscopic observations at EUV wavelengths, can significantly improve the prediction accuracy of

geomagnetic storm strength. Considering that we already have routine high-quality EUV imaging observations of the
Sun, higher-resolution, higher-sensitivity and routine Sun-as-a-star EUV spectroscopic observations are highly desired

to derive the propagation directions of more CMEs and predict their geoeffectiveness. In addition, predicting the arrival

times of CMEs is an important component of space weather predictions. Many models have been developed to predict
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the arrival times of CMEs (Zhao & Dryer 2014), including empirical models (e.g. Vandas et al. 1996; Manoharan et al.

2004), expansion speed models (e.g. Schwenn et al. 2005), drag-based models (e.g. Vršnak 2001; Song 2010), physics-

based models (e.g. Moon et al. 2002; Liu & Qin 2012), and MHD models (e.g. Wang & Sheeley 1995; Feng et al. 2011).

The derived full velocities at the initial propagation phase could be used as a key parameter to guide or constrain
these models, helping them improve the prediction accuracy of the CME arrival time at the Earth.

We have to mention that the geoeffectiveness of CMEs depends on many factors. For instance, it has been found

that large geomagnetic storms are often produced when the embedded magnetic field direction of CMEs is southward.

Our result of the correlation between the α angle and the geomagnetic field strength is not in contradiction with this,

because a CME has to reach the Earth first before its southward magnetic field reconnects with the Earth magnetic
field. Combing information of both the α angle and the embedded magnetic field direction, the prediction for the

geoeffectiveness of CMEs will be further improved.

Finally, the Sun-as-a-star EUV spectral observations of SDO/EVE during CMEs provide a unique opportunity to

explore the detectability of rarely CMEs from other stars. Stellar CMEs are likely the main driver of space weather in
the star-exoplanet systems, and could significant impact the habitability of exoplanets (Airapetian et al. 2016). Our

analysis of the synthesized long-exposure Sun-as-a-star spectra has demonstrated that it is possible to detect CMEs

through the blue-wing asymmetries or blueshifts of spectral lines in time-domain point-source spectra of distant stars.

This result supports previous efforts of stellar CME searching using the Doppler shift method (e.g. Argiroffi et al. 2019;

Vida et al. 2019; Namekata et al. 2021; Chen et al. 2022; Lu et al. 2022), suggesting that the blue-wing asymmetries
detected from short-exposure spectra and blueshifts of a few tens km/s in spectral lines obtained during long-exposure

observations are indeed very likely to be caused by stellar CMEs.
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Danchi, W. 2016, Nature Geoscience, 9, 452,

doi: 10.1038/ngeo2719

Allen, J., Sauer, H., Frank, L., & Reiff, P. 1989, Eos,

Transactions American Geophysical Union, 70, 1479,

doi: https://doi.org/10.1029/89EO00409

Arge, C., Luhmann, J., Odstrcil, D., Schrijver, C., & Li, Y.

2004, Journal of Atmospheric and Solar-Terrestrial

Physics, 66, 1295,

doi: https://doi.org/10.1016/j.jastp.2004.03.018

Argiroffi, C., Reale, F., Drake, J. J., et al. 2019, Nature

Astronomy, 3, 742, doi: 10.1038/s41550-019-0781-4

Bevington, P. R., & Robinson, D. K. 1992, Data reduction

and error analysis for the physical sciences

Boerner, P., Edwards, C., Lemen, J., et al. 2012, SoPh, 275,

41, doi: 10.1007/s11207-011-9804-8

Boteler, D. H. 2019, Space Weather, 17, 1427,

doi: https://doi.org/10.1029/2019SW002278

Brueckner, G. E., Howard, R. A., Koomen, M. J., et al.

1995, Solar Physics, 162, 357, doi: 10.1007/BF00733434

Burton, R. K., McPherron, R. L., & Russell, C. T. 1975,

Journal of Geophysical Research, 80, 4204,

doi: 10.1029/JA080i031p04204

Cane, H. V., Richardson, I. G., & St. Cyr, O. C. 2000,

Geophysical Research Letters, 27, 3591,

doi: 10.1029/2000GL000111

Chamberlin, P. C. 2016, Solar Physics, 291, 1665,

doi: 10.1007/s11207-016-0931-0

Chen, H., Tian, H., Li, H., et al. 2022, Astrophysical

Journal, 933, 92, doi: 10.3847/1538-4357/ac739b

Chen, P. F. 2011, Living Reviews in Solar Physics, 8, 1,

doi: 10.12942/lrsp-2011-1

Colaninno, R. C., Vourlidas, A., & Wu, C. C. 2013, Journal

of Geophysical Research: Space Physics, 118, 6866,

doi: https://doi.org/10.1002/2013JA019205

http://doi.org/10.1038/ngeo2719
http://doi.org/https://doi.org/10.1029/89EO00409
http://doi.org/https://doi.org/10.1016/j.jastp.2004.03.018
http://doi.org/10.1038/s41550-019-0781-4
http://doi.org/10.1007/s11207-011-9804-8
http://doi.org/https://doi.org/10.1029/2019SW002278
http://doi.org/10.1007/BF00733434
http://doi.org/10.1029/JA080i031p04204
http://doi.org/10.1029/2000GL000111
http://doi.org/10.1007/s11207-016-0931-0
http://doi.org/10.3847/1538-4357/ac739b
http://doi.org/10.12942/lrsp-2011-1
http://doi.org/https://doi.org/10.1002/2013JA019205


15

Dere, K. P., Del Zanna, G., Young, P. R., Landi, E., &

Sutherland, R. S. 2019, ApJS, 241, 22,

doi: 10.3847/1538-4365/ab05cf

Dere, K. P., Landi, E., Mason, H. E., Monsignori Fossi,

B. C., & Young, P. R. 1997, A&AS, 125, 149,

doi: 10.1051/aas:1997368

Doschek, G. A., & Warren, H. P. 2005, The Astrophysical

Journal, 629, 1150, doi: 10.1086/431920

Echer, E., Gonzalez, W. D., Tsurutani, B. T., & Gonzalez,

A. L. C. 2008, Journal of Geophysical Research: Space

Physics, 113, doi: https://doi.org/10.1029/2007JA012744

Feng, L., Inhester, B., Wei, Y., et al. 2012, ApJ, 751, 18,

doi: 10.1088/0004-637X/751/1/18

Feng, X., Zhang, S., Xiang, C., et al. 2011, ApJ, 734, 50,

doi: 10.1088/0004-637X/734/1/50

Forbes, T. G., Linker, J. A., Chen, J., et al. 2006, Space

Science Reviews, 123, 251,

doi: 10.1007/s11214-006-9019-8

Giordano, S., Ciaravella, A., Raymond, J. C., Ko, Y. K., &

Suleiman, R. 2013, Journal of Geophysical Research

(Space Physics), 118, 967, doi: 10.1002/jgra.50166

Gonzalez, W. D., Joselyn, J. A., Kamide, Y., et al. 1994,

J. Geophys. Res., 99, 5771, doi: 10.1029/93JA02867

Gopalswamy, N., Lara, A., Lepping, R. P., et al. 2000,

Geophysical Research Letters, 27, 145,

doi: 10.1029/1999GL003639

Gopalswamy, N., Lara, A., Yashiro, S., Kaiser, M. L., &

Howard, R. A. 2001, Journal of Geophysical Research,

106, 29207, doi: 10.1029/2001JA000177

Gosling, J. T., McComas, D. J., Phillips, J. L., & Bame,

S. J. 1991, Journal of Geophysical Research, 96, 7831,

doi: 10.1029/91JA00316

House, L. L., Wagner, W. J., Hildner, E., Sawyer, C., &

Schmidt, H. U. 1981, Astrophysical Journal, 244, L117,

doi: 10.1086/183494

Howard, R. A., Michels, D. J., Sheeley, N. R., J., &

Koomen, M. J. 1982, Astrophysical Journal, 263, L101,

doi: 10.1086/183932

Howard, T. A. 2011, Journal of Atmospheric and

Solar-Terrestrial Physics, 73, 1242,

doi: 10.1016/j.jastp.2010.08.009

Illing, R. M. E., & Hundhausen, A. J. 1985, Journal of

Geophysical Research, 90, 275,

doi: 10.1029/JA090iA01p00275

Kaiser, M. L., Kucera, T. A., Davila, J. M., et al. 2008,

SSRv, 136, 5, doi: 10.1007/s11214-007-9277-0

Kang, S.-M., Moon, Y. J., Cho, K. S., et al. 2006, Journal

of Geophysical Research (Space Physics), 111, A05102,

doi: 10.1029/2005JA011445

Kim, R. S., Cho, K. S., Kim, K. H., et al. 2008,

Astrophysical Journal, 677, 1378, doi: 10.1086/528928

Lemen, J. R., Title, A. M., Akin, D. J., et al. 2012, Solar

Physics, 275, 17, doi: 10.1007/s11207-011-9776-8

Li, D., Innes, D. E., & Ning, Z. J. 2016, A&A, 587, A11,

doi: 10.1051/0004-6361/201525642

Li, Y., & Ding, M. D. 2011, ApJ, 727, 98,

doi: 10.1088/0004-637X/727/2/98

Liu, H.-L., & Qin, G. 2012, Journal of Geophysical

Research: Space Physics, 117,

doi: https://doi.org/10.1029/2011JA017220

Lu, H.-p., Tian, H., Zhang, L.-y., et al. 2022, Astronomy

and Astrophysics, 663, A140,

doi: 10.1051/0004-6361/202142909

Manoharan, P. K., Gopalswamy, N., Yashiro, S., et al. 2004,

Journal of Geophysical Research: Space Physics, 109,

doi: https://doi.org/10.1029/2003JA010300

Matzka, J., Stolle, C., Yamazaki, Y., Bronkalla, O., &

Morschhauser, A. 2021, Space Weather, 19,

e2020SW002641

Milligan, R. O., & Dennis, B. R. 2009, ApJ, 699, 968,

doi: 10.1088/0004-637X/699/2/968

Milligan, R. O., Gallagher, P. T., Mathioudakis, M., &

Keenan, F. P. 2006, ApJL, 642, L169,

doi: 10.1086/504592

Moon, Y. J., Cho, K. S., Dryer, M., et al. 2005,

Astrophysical Journal, 624, 414, doi: 10.1086/428880

Moon, Y.-J., Dryer, M., Smith, Z., Park, Y. D., & Cho,

K. S. 2002, Geophysical Research Letters, 29, 28,

doi: https://doi.org/10.1029/2002GL014865
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Abstract: The detailed simulation of extended air showers (EAS) and their emission of Cherenkov
and fluorescence light requires increasing computation time and storage volume with increasing
energy of the primary particle. Given these limitations, it is currently challenging to optimize
configurations of imaging air Cherenkov telescopes at photon energies beyond approximately 100
TeV. Additionally, the existing simulation frameworks are not capable of capturing the interplay
of Cherenkov and fluorescence light emission at large zenith angle distances (& 70◦), where
the collection area of Cherenkov telescopes considerably increases. Here, we present EASpy, a
framework for the simulation of EAS at large zenith angles using parametrizations for electron-
positron distributions. Our proposed approach for the emission of fluorescence and Cherenkov light
and the subsequent imaging of these components by Imaging Atmospheric Cherenkov Telescopes
(IACTs) aims to provide flexibility and accuracy while at the same time it reduces the computation
time considerably compared to full Monte Carlo simulations. We find excellent agreement of
the resulting Cherenkov images when comparing results obtained from EASpy with the de-facto
standard simulation tool CORSIKA and sim_telarray. In the process of verifying our approach,
we have found that air shower images appear wider and longer with increasing impact distance at
large zenith angles, an effect that has previously not been noted. We also investigate the distribution
of light on the ground for fluorescence and Cherenkov emission and highlight their key differences
to distributions at moderate zenith angles.
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1 Introduction

Extended air showers (EAS) provide a unique opportunity to study cosmic rays with ground based
observations. At increasing energy, the sensitivity of particle detectors, e.g. Imaging Atmospheric
Cherenkov Telescopes (IACTs), to observe the produced Cherenkov and fluorescence light from
an EAS depends primarily on the collection area 𝐴eff . As a consequence of the limited collection
area of the current generation of IACTS, the gamma-ray sky at energies above 100 TeV remains
largely unexplored. The photon rate from the Crab Nebula, one of the brightest steady Galactic
gamma-ray sources, for a collection area of 𝐴eff = 1 km2 is less than one photon per 100 h [1].
One way to increase 𝐴eff is to use multiple IACTs (∼ 100) commonly placed with a distance of the
order of ∼ 100 m apart from each other [2]. A more budget-friendly approach is to make use of
fewer stand-alone telescopes observing at large zenith angles (LZA), which typically means zenith
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angles larger than 70°. With observations at LZA the distance to the shower is greatly increased
(50 km to 100 km) which consequently expands the light pool on the ground [3] (albeit at the cost
of increased attenuation due to a larger photon path to the observer). The MAGIC collaboration has
already successfully demonstrated that observations at a zenith angle range of 70° to 80° increase
the collection area to be larger than a square km. With an observation time of ∼ 56 h, they were
able to detect 𝛾-ray emission from the Crab Nebula up to energies of 100 TeV [4].

So far, the operational and planned IACT arrays have been optimized for observations at small
zenith angles. The optimization of their configuration at large zenith angles requires a substantial
effort in simulating a large number of air showers at high energies and their detection with a variety
of telescope layouts, camera sizes, mirror diameters, etc. In the context of performance studies,
Monte Carlo simulations, e.g. CORSIKA (see Appendix A.1), have become essential in order to
optimize IACTs and reconstruction methods. Although CORSIKA is not able to simulate fluorescence
light, there has been work done by the community to implement fluorescence emission in CORSIKA
([5], [6]). A general downside of these Monte Carlo simulations is the increased computation time
with higher primary particle energies (and to an lesser extend increased storage size).

A simplified approach to make simulations more time-efficient is to use parametrizations
which describe the distribution of charged particles in an EAS rather than simulating the shower
development and keeping track of each particle generated. Commonly used analytical functions for
the longitudinal number of charged particles in an EAS are the Greisen [7] or Gaisser-Hillas [8]
function and for the lateral distribution the Nishimura-Kamata-Greisen function [9]. The former
mentioned functions together with parametrizations of fluorescence and Cherenkov light emission
[10] have been used in ShowerModel 1 to simulate the light emission in EAS and its detection by
IACTs. While parametrizations tend to miss the fluctuations in the shower development, this is less
of a problem at higher primary particle energies. Here, the fluctuations are considerably smaller
than at lower energies.

In this work we present EASpy, a 3.5-dimensional simulation of EAS based on parametrizations
for electron-positron distributions and its consequent emission of fluorescence and Cherenkov
light in a analytical way while taking into account the curvature of Earth’s atmosphere. As in
ShowerModel, our simulation aims to compute the detector response in a fast pace but at the
same time reach a high level of accuracy and flexibility. Here, we focus on photon-initiated
showers to establish the method and compare the results obtained using EASpy with CORSIKA and
sim_telarray, independent of particular hadronic interaction models.

One of the reasons why ShowerModel is not applicable for LZA observations is that it does not
take into account the curvature of Earth’s atmosphere, which can not be neglected anymore for the
zenith angle range discussed in this work. In Table 1, we provide an overview of some properties
for CORSIKA/sim_telarray (see Appendix A.1/A.2), ShowerModel, and EASpy. Furthermore,
in [5] the authors showed how for core distances lower than 8 km the detector response of one-
dimensional and three-dimensional simulations is quite different in the lateral (transversal) spread
of the resulting fluorescence light image. An additional motivation for this work was to not use any
parametrization for Cherenkov and fluorescence light emission, since in principle the distribution
of charged particles is sufficient to treat both emission types in a analytical way.

1https://showermodel.readthedocs.io/en/latest/
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Table 1: Comparison of properties between CORSIKA/sim_telarray, ShowerModel, EASpy.

CORSIKA/sim_telarray ShowerModel EASpy

Simulation method Full MC parameterized parameterized
Dimension (space+time) 3+1 1+1 2.5+1
Atmosphere (sliding) plane parallel plane parallel spherical
Particle content 𝑒±, `±, a, hadrons 𝑒± 𝑒±

Fluorescence no yes (param.) yes (particle based)
Cherenkov yes (particle based) yes (param.) yes (particle based)
Cherenkov-light collection ray-tracing parametrized geometrical approach
Zenith angle 0° – 90° 0° – 70° 70° – 90°
Imaging: PSF yes no yes
Imaging: Pixel shape hex./square/circ. square hex./square/circ.

In Section 2, we introduce the basic concepts of EASpy including the production of Cherenkov
and fluorescence light from an EAS and the consequent collection of this light by an IACT. The
simulation of the detector response is explained in Section 3 together with a comparison of shower
images obtained with EASpy and a full air-shower simulation in Section 4. In Section 5, we finally
discuss the characteristics of the Cherenkov and fluorescence photon ground distribution at LZA.

2 EASpy framework

2.1 Spherical Atmosphere

Since the fluorescence and Cherenkov light yields depend on atmospheric parameters (e.g., air
density, temperature, pressure, ...) it is important to choose a suitable model for the atmosphere.
Typically, at zenith angles ≤ 70° a plane-parallel atmosphere is assumed, i.e. that the air mass scales
with the secant of the zenith angle. However, at zenith angles ≥ 70° the curvature of the atmosphere
is not negligible anymore and a plane parallel atmosphere approximation will lead to large errors
for, e.g., the slant depth and atmospheric transmission. In order to have a more precise model, the
atmosphere is divided into a series of equally spaced spherical shells with a separation of 6 m. The
slant distance travelled and the height of each spherical shell is calculated in a coordinate system
where the origin is set to the midpoint of the Earth (see Fig. 1a).

With measurements for the air density at various heights at zenith = 0° one can use the spherical
symmetry of the model and calculate the height dependent slant depth at LZA:

𝑋 (ℎ𝑖 , ℎ𝑖+1) =
ℎ𝑖+1∫
ℎ𝑖

𝜌(ℎ) d𝑠 = 𝜌(ℎ𝑖 , ℎ𝑖+1) 𝑠(ℎ𝑖 , ℎ𝑖+1), (2.1)

where 𝑋 (ℎ𝑖 , ℎ𝑖+1) is the traversed slant depth for one spherical shell with bin edges at heights ℎ𝑖

and ℎ𝑖+1, 𝜌(ℎ𝑖 , ℎ𝑖+1) is the (linearly) averaged air density and 𝑠(ℎ𝑖 , ℎ𝑖+1) is the slant distance for the
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(a)

(b)

Figure 1: (a) Model of spherical atmosphere. Gray shaded area and cross denote the Earth and
midpoint of the Earth, the blue line marks the path of the primary particle and the dashed lines the
height of the bin edges for one spherical shell. The traversed slant distance for one spherical shell
is then 𝑠(ℎ𝑖 , ℎ𝑖+1). (b) Upper panel: Slant depth as a function of height at a zenith angle of 80°.
Lower panel: Relative error for plane parallel atmosphere and this work compared to CORSIKA.

primary particle path between the bin edges2. In Fig. 1b, a comparison between CORSIKA (com-
piled with the "CURVED" option), plane parallel atmosphere and this work is shown for the height
dependent slant depth at a zenith angle of 80°. One can observe that the results from CORSIKA
and this work are in good agreement while for a plane parallel atmosphere model the relative error
compared to the CORSIKA results is ' 5% at observation level and increasing with height.

2.2 Atmospheric transmission

The atmospheric transmission for Cherenkov and fluorescence light generated by air showers at large
zenith angles is smaller than at small zenith angles. Since the position of the shower maximum
is observed at a distance of 50 km to 100 km, more light will be scattered and absorbed in the
atmosphere. The resulting transmission has been calculated using the MODTRAN [11] program which
takes into account Rayleigh- and Mie-scattering as well as absorption processes with a moderate
spectral resolution. The program offers a wide choice of pre-defined atmospheric conditions. We
use the tropical atmosphere with a desert-type haze (aerosol) condition.

In a plane parallel atmosphere model one would calculate the transmission 𝑇 for a vertical
path and assume that 𝜏 ∝ sec(\), where 𝜏 is the optical depth with 𝑇 = exp(−𝜏). In comparison
to a spherical atmosphere, this approach would overestimate the mass overburden resulting in an
underestimate of the transmission. In Fig. 2, one can observe that a plane parallel atmosphere
model would underestimate the transmission by ∼ 10% and that the transmission for a wavelength
of ∼ 500 nm is reduced by a factor of 2 for a path with 80° zenith angle compared to a vertical path.

2with 𝜌 ∝ exp(−ℎ/ℎ0) and ℎ0 � Δℎ, the linear approximation for 𝜌 in a shell is sufficiently accurate
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Figure 2: Transmission from 15 km to 1.8 km height for a range of wavelengths _ for a vertical
path, 70° and 80° zenith angle. Transmission profiles calculated with MODTRAN are for tropical
atmospheric profile and desert haze.

Furthermore, as expected, the difference between a plane parallel atmosphere approximation and
the MODTRAN results is lower for a path with 70° zenith angle compared to 80° zenith angle.

The simulation tool provides a choice between using the plane-parallel approximation or to
provide a set of tables of the transmission for different values of zenith angle.

2.3 Parametrizing the electromagnetic shower component

In order to simulate fluorescence and Cherenkov light from air showers one needs to accurately
describe the distribution of charged particles, and most importantly the distribution of electrons
and positrons since these particles are the most abundant charged particles in air showers. In this
work we use a multi-dimensional parametrization for the electron-positron distributions for particle
energy, angular spectrum and lateral distance proposed by [12].

The Ansatz for the parametrization of the differential particle number 𝑛 in a logarithmic
interval [ln 𝜖, ln 𝜖 + d ln 𝜖] of kinetic energy 𝜖 of electrons and positrons in MeV follow from Eqn. 6
in Ref. [12]

d𝑁 = 𝑛(𝑡) d ln 𝜖, (2.2)

for the particle number 𝑛Ω in a differential interval of solid angle [Ω,Ω + dΩ] given in Eqn. 8 in
Ref. [12]

d𝑁 = 𝑛Ω(𝑡) d ln 𝜖 dΩ, (2.3)

and for the particle number 𝑛𝑥 in a differential logarithmic interval of radial distance to the shower
axis [ln 𝑥, ln 𝑥 + d ln 𝑥], where 𝑥 ≡ 𝑟

𝑟M
and 𝑟M is the Molière radius

d𝑁 = 𝑛𝑥 (𝑡) d ln 𝜖 d ln 𝑥. (2.4)
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The distributions are fully described in terms of relative evolution stage t

𝑡 =
𝑋 − 𝑋max

𝑋0
, (2.5)

where the maximum number of particles is reached at slant depth 𝑋max and 𝑋0 ' 36.7 g cm−2 is
the radiation length of electrons and positrons in air.

2.4 Electron-positron distributions

Given a shower profile 𝑁 (𝑡) which describes the total number of particles at shower evolution stage
𝑡, we use Eqn. 2.4 to determine the number of particles in the differential intervals for distance 𝑟

and energy 𝜖 : 𝑁 (𝑡, 𝜖 , 𝑟). Therefore the air shower is assumed to have a cylindrical symmetry and
is binned in the following way: For a fixed energy range of [ln 𝜖, ln 𝜖 + d ln 𝜖] the air shower is
binned along the shower axis with bin width d𝑠 (see Eqn. 2.1) perpendicular to the shower axis with
radial bin width d𝑟 . The resultant cylindrical shells are then subdivided into 𝑁𝜙 equally spaced
bins (so-called "voxels") over 2𝜋 around the shower axis (see Fig. 3). For each of these voxels, the
energy-dependent number of particles is given by 𝑁 (𝑡, 𝜖 , 𝑟)/𝑁𝜙.

Figure 3: Schematic sketch of shower binning.

For an overview of the shower development, we show in Fig. 4a the distribution of electrons
and positrons (integrated over the energy range of 1 MeV to 10 GeV) projected on the 𝑥𝑧 plane for
a photon initiated air shower with zenith angle of 80°. One can clearly observe the shower axis
together with the shower maximum at around 𝑥 ' 85 km and 𝑧 ' 14 km.

The lateral distribution of shower particles around the shower axis will contribute to the
production of Cherenkov light if their energy exceeds the energy threshold of 𝐸𝐶ℎ ≈ 50 MeV at the
position close to the shower maximum. In Fig. 4b, we compare the lateral distribution for particles
emitting Cherenkov light (𝜖 > 𝐸𝐶ℎ) and those which will produce fluorescent light only (𝜖 < 𝐸𝐶ℎ).
A large fraction (80 %) of the Cherenkov-light emitting particles are confined within 75 m while
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fluorescent-light emitting particles are distributed over a larger distance: 80 % of these particles are
located within 400 m to the shower axis.

(a) (b)

Figure 4: (a) Electron and positron distribution projected on the 𝑥𝑧 plane for a photon initiated air
shower with primary energy of 𝐸𝛾 = 975 TeV at a zenith angle of 80°. (b) Normalized distribution
of particle numbers as a function of distance to the shower axis at 𝑡 = −4, 0, 4 for the same air shower
as in 4a. 𝐸Ch denotes the Cherenkov energy threshold. The maximum distance to the shower axis
is set to 1 km.

2.5 Ionization energy deposit

Electrons and positrons deposit energy differently in collisions with air molecules when passing
through the atmosphere [13]. The stopping power for electrons can be calculated with the Møller
cross section and for positrons with the Bhabha cross section [14]. Both stopping power formulas
including the parameter values used in this work can be found in [15]. The resulting ionization
energy losses are assumed to be deposited at the midpoints of each voxel.

We can readily estimate the accuracy of the parametrization for the energy spectrum given in
Eqn. 2.2 by calculating the energy deposit using the stopping powers for electrons and positrons
and compare it with results obtained with CORSIKA (see Appendix A.1). In Fig. 5, we compare our
results for the energy deposit per slant depth d𝐸

d𝑋 with CORSIKA for photon initiated air showers in
the energy range of 900 TeV to 1000 TeV at a zenith angle of 70° and 80°. The number of individual
air showers is ∼ 850 per zenith angle. The relative error is calculated as

rel. error =
(d𝐸/d𝑋)EASpy − (d𝐸/d𝑋)CORSIKA

(d𝐸/d𝑋)CORSIKA
.

One can observe that at early shower stages the relative difference is ∼ 5− 10% while at later stages
the correspondence is better than 5% for both zenith angles. We found that deviations from the
CORSIKA results mainly depend on the zenith angle, i.e., a slightly better correspondence at zenith
angles around ∼ 70° compared to zenith angles closer to 80° and a negligible dependence on the
primary particle energy.

– 7 –



Figure 5: Relative error for the energy deposit per slant depth d𝐸
d𝑋 as a function of slanth depth 𝑋

for photon initiated air showers with zenith angles 70° and 80°.

The "spikes" in Fig. 5 are related to the way the atmosphere is treated with CORSIKA: The
"CURVED" option uses a "sliding plane atmosphere" instead of a fully spherical system. Every time
the horizontal displacement of a particle exceeds a limit of 6 km to 20 km (depending on altitude), a
transition to a new, locally plane atmosphere is performed [16]. Apparently this treatment introduces
"spikes" whenever the transition is performed.

2.6 Fluorescence light

A fraction of the ionization energy deposited in the atmosphere (see 2.5) leads to the excitation
of the nitrogen atoms with subsequent fluorescence light emission with a typical life time of the
excited state of order ∼ 40 ns (e.g. [17], [18]). The number of produced fluorescence photons 𝑁 𝑓 𝑙

per slant depth d𝑋 can be calculated with:

d𝑁 𝑓 𝑙

d𝑋
= 𝑁 (𝑡, 𝜖 , 𝑟) · 𝑌𝑎𝑖𝑟 (_, 𝑇, 𝑝) ·

d𝐸
d𝑋

, (2.6)

where 𝑌𝑎𝑖𝑟 (_, 𝑇, 𝑝) is the fluorescence yield in air depending on wavelength _ (in nm), ambient
atmospheric pressure 𝑝 and temperature 𝑇 . This way, the amount of fluorescence light is directly
proportional to the rate of ionization energy loss d𝐸

d𝑋 . The fluorescence yield in air is usually
expressed in terms of the absolute yield of the 337 nm band at reference pressure 𝑝0 and temperature
𝑇0:

𝑌𝑎𝑖𝑟 (_, 𝑇, 𝑝)
𝑌𝑎𝑖𝑟 (337, 𝑇0, 𝑝0)

=
𝐼_(𝑇0, 𝑝0)
𝐼337(𝑇0, 𝑝0)

·
1 + 𝑝0/𝑝

′
337(𝑇0)

1 + 𝑝/𝑝′
_
(𝑇)

,

where 𝐼_(𝑝0, 𝑇0) is the specific intensity and the function 𝑝
′
_
(𝑇) takes into account temperature-

dependent non-radiative de-excitation effects. The relative intensity 𝐼_/𝐼337 (see Fig. 6) highlights
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that most of the fluorescence lines are located at _ . 400 nm. A detailed discussion on the
temperature, humidity and pressure dependence of the air-fluorescence yield and the function
𝑝
′
_
(𝑇) can be found in [19, 20]. The parameters used for the air-fluorescence yield are listed in

Appendix B.
We assume that fluorescence emission is isotropic. Therefore, only a small fraction of the flu-

orescence photons will be observed by the telescopes. Instead of randomly distributing the photons
over 4𝜋 and keeping track of each photon trajectory we assume that the amount of fluorescence
photons 𝑁 𝑓 𝑙

𝑠𝑝ℎ𝑒𝑟𝑒
hitting the telescope’s sphere is given by its angular size seen from the position of

a individual voxel. Consequently, the fraction 𝑁
𝑓 𝑙

𝑠𝑝ℎ𝑒𝑟𝑒
/𝑁 𝑓 𝑙 of the produced fluorescence photons

hitting the telescope’s sphere depends only on the ratio of its radius 𝑅 and distance 𝑑 to the voxel
position:

𝑁
𝑓 𝑙

𝑠𝑝ℎ𝑒𝑟𝑒

𝑁 𝑓 𝑙
=
ΔΩ(𝑑, 𝑅)

4𝜋

=
1 −

√︁
1 − 𝑅2/𝑑2

2
≈ 𝑅2

4𝑑2 .

(2.7)

For a zenith angle of 70°(80°) and a radius 𝑅 = 14 m, the resulting fraction is ≈ 10−8(10−9). This
substantial decrease when going from 70° to 80° is a direct consequence of the fact that the distance
of the telescope to the shower maximum increases rapidly with increasing zenith angle of the air
shower.

Figure 6: Black lines denote the wavelength dependent intensity relative to the 337 nm band 𝐼_/𝐼337
(left axis). The blue(70°) and green(80°) lines describe the transmission from the position of the
shower maximum down to the observation level (right axis).

In addition to the geometrical dilution of the fluorescence light, the atmospheric transmission
decreases with increasing zenith angle (increasing slant depth). We compare the relative transmis-
sivity for zenith angles of 70° and 80° in Fig. 6. The starting height is taken as the average height
of the shower maximum of air showers with 𝐸𝛾 ∼ 1 PeV (70°: ∼ 10 km and 80°: ∼ 14 km). The
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observation level is at a height of ∼ 1.8 km asl. The majority of the produced fluorescence photons
will have a wavelength _ . 400 nm. For a zenith angle of 80° only ≈ 4 % of the emitted light with
wavelength _ = 337 nm will reach the observation level, while for 70° the observable light increases
to ≈ 27% of the emitted light.

2.7 Cherenkov light

The total number of Cherenkov photons 𝑁𝐶ℎ produced per slant depth d𝑋 between wavelength _1
and _2 by electrons with energy 𝜖 at relative evolution stage 𝑡 and lateral distance to the shower axis
𝑟 is given by

d𝑁𝐶ℎ

d𝑋
= 𝑁 (𝑡, 𝜖 > 𝐸𝐶ℎ, 𝑟) ·

2𝜋
𝛼𝜌(ℎ) ·

_2 − _1
_1_2

·
(
1 − 1

𝑛2(ℎ)𝛽2

)
,

(2.8)

where 𝐸𝐶ℎ is the Cherenkov energy-threshold, 𝛼 the fine-structure constant, 𝛽 = 𝑣/𝑐, and 𝑛(ℎ) the
refractive index. The produced Cherenkov photons are emitted at the midpoint of the corresponding
voxel positions.

The parametrization of the angular spectrum 𝑛Ω (see Eqn. 2.3) is given in terms of the particle
energy 𝜖 , which changes for different radii 𝑟 . The resulting mean angle to the shower axis 〈\𝑝〉 is
calculated using the expectation value of 𝑛Ω as given by [12].

Commonly, the Cherenkov emission angle \𝐶ℎ is assumed to be smaller than 〈\𝑝〉. However,
for LZA observations, the increased threshold energy 𝐸𝐶ℎ leads to a reduced value of 〈\𝑝〉, such that
for sufficiently large energies, the Cherenkov angle dominates and can not be neglected anymore.
This is shown in Fig. 7 where the two angles are compared to each other. The average angle 〈\𝑝〉
reaches values similar to the Cherenkov angle at energies of 𝜖 = 400 MeV . . . 500 MeV. Given that
most electrons will emit Cherenkov light close to the threshold, it appears at first glance to be a
good approximation to neglect the Cherenkov angle. However, even at energies close to threshold,
the additional widening of the angular distribution of the emitted light through the Cherenkov angle
leads to a substantial change of the order of a few 100 m on the impact position at the detector level.

Finally, the number of Cherenkov photons hitting the telescope’s sphere 𝑁𝐶ℎ
𝑠𝑝ℎ𝑒𝑟𝑒

is calculated
in the following way: For each voxel position and energy bin, the equation 2.8 is evaluated. The
momentum vector of the emitting electrons is used to construct a plane which is perpendicular
to its direction and intersects the midpoint of the telescope’s sphere. This plane is consequently
intersected by the Cherenkov cone and the telescope’s sphere which define two circles (see Fig. 8).
The possible two intersection points mark an arc of length 𝐿 along the Cherenkov cone that is inside
of the sphere. The fraction of photons intersecting the sphere’s surface equals the fraction of the
arc length:

𝑁𝐶ℎ
𝑠𝑝ℎ𝑒𝑟𝑒

𝑁𝐶ℎ
=

𝐿

2𝜋𝑟𝐶ℎ

. (2.9)

This approach does not require any approximations and reduces the necessary computation time in
comparison to e.g., ray-tracing approaches.
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Figure 7: The red line marks the mean angle to the shower axis 〈\𝑝〉 of electrons as a function of
energy. Blue and green lines indicate the Cherenkov emission angle for zenith angles of 70° and
80° respectively and for different stages of shower evolution (𝑡 = −4, 0, 4) marked by dashed, solid,
and dotted lines.

Figure 8: Thick red line is parallel to the momentum vector of the electrons, \Ch the Cherenkov
angle and 𝑟Ch is the radius of the Cherenkov circle in the intersecting plane (in grey).

3 Imaging of simulated air showers

So far, we have described how we calculate the total number of fluorescence and Cherenkov photons
produced for each voxel position and how many of these photons (𝑁 𝑓 𝑙

𝑠𝑝ℎ𝑒𝑟𝑒
, 𝑁𝐶ℎ

𝑠𝑝ℎ𝑒𝑟𝑒
) will intersect

the telescope sphere. In this approach, the directional vector of individual photons is not stored,
such that the generation of a camera image requires a simplified treatment. To this end, we make
use of the fact that the shower maximum is at a distance 𝑑 of 50 km to 100 km which is much larger
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than the radius of the sphere (e.g., for the largest Cherenkov telescope 𝑅 = 14 m). We can therefore
safely assume that all photons from a distant voxel intersect the sphere along its diameter. This
approximation is justified for large distance 𝑑, such that the maximum angle difference Δ𝛼 for a
photon which is tangential to the sphere can be approximated

Δ𝛼 = arctan
(
𝑅

𝑑

)
≈ 𝑅/𝑑. (3.1)

For the large zenith angles considered here, 𝑑 & 50 km, such that Δ𝛼 . 0.016°. The resulting
widening of the angular distribution of photons intersecting the sphere is smaller than the typical
angular field of view of individual pixels and can therefore be neglected (the smallest pixel currently
used covers a patch in the sky with a diameter of 0.07° [21]). This way, the resulting computation
time can be reduced by more than three orders of magnitude in comparison to a ray-tracing approach.
An obvious downside of this method is that the approximation leads to a systematic underestimate
of the image width for the shower tail which even at large zenith angles is observed at a distance of
10 km to 20 km. For a combination of a very large telescope with a very high-granular camera, the
paraxial approximation introduced breaks down. Conversely, at smaller zenith angles, the images
generated with the paraxial approximation will be only accurate for small-sized telescopes. This
caveat requires an individual consideration for each combination of telescope radius, zenith angle,
and pixel size.

As a final step towards generating realistic camera images which are based on the number of
photo-electrons detected in the individual pixels, we implement a coarse simulation of the detection
process which includes:

• the combined wavelength-dependent quantum efficiency of the photo-cathode and collection
efficiency for photo-electrons,

• the wavelength-dependent mirror reflectivity of the mirror facets, and

• the wavelength-dependent transmittance of the camera protective cover.

Additionally the user can provide a single value for all wavelengths which takes into account
shadowing effects of the camera support structure and the light guide efficiency of the PMT.

Therefore, in order to take into account the aforementioned wavelength-dependent effects in
addition to atmospheric transmission, we pre-compute for each voxel with index 𝑗 at a given height
ℎ( 𝑗) above ground the probability 𝑃 𝑗 for a photon (fluorescence or Cherenkov) to be detected after
propagating through the atmosphere. The probability is calculated by integrating the product of
emissivity Λ𝐶ℎ, 𝑓 𝑙 (_), detection efficiency [(_), and transmission𝑇 (_, ℎ). The result is normalized
to obtain a probability:

𝑃 𝑗 =

_2∫
_1

Λ𝐶ℎ, 𝑓 𝑙 · 𝑇 (_, ℎ)[(_) d_

_2∫
_1

Λ𝐶ℎ, 𝑓 𝑙 d_
. (3.2)
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The wavelength distribution for the fluorescence photons is given by the wavelength dependent
intensity relative to the 337 nm band (see Fig. 6) and Cherenkov photons are following a 1/_2

distribution.
The point spread function of the camera is characterized by external lookup-tables with the

68% containment radius as a function of off-axis angle and zenith angle. The night sky background
(NSB) can be simulated by providing an average background rate in units of photo-electrons per
nanosecond and per pixel. The detector simulation does not take into account more specific effects
related to electronics, for example formation of a trigger, non-linearities and digitization effects in
the read-out. This can be in principle included in this framework or other existing packages like
simtel_array [22] can be used to obtain a more specific and accurate simulation of the detector
response.

Figure 9: Example camera image formed by Cherenkov (upper panel) and fluorescence light (lower
panel) generated by an air shower with 𝐸𝛾 = 780 TeV at a zenith angle of 80°. Note, the logarithmic
scales differ between the two images.

The resulting image is shown in Fig. 9 formed by Cherenkov (upper panel) and fluorescence
light (lower panel) emitted by an gamma-ray air-shower with an energy of 𝐸𝛾 = 780 TeV at a zenith
angle distance of 80°. As expected and well-known from observations of air Cherenkov light with
Cherenkov telescopes, the resulting image resembles an ellipse with a major axis (so-called length)
which is roughly three times as large as the minor axis (so-called width). The fluorescence light
image looks very similar to the Cherenkov light image, albeit with a peak intensity reduced by a
factor of ≈ 3000. Furthermore, the fluorescence light image is of similar length, but noticeably
larger width than the Cherenkov light image. This is mainly a consequence of the fact that Cherenkov
emission does have an energy threshold 𝐸𝐶ℎ and that the majority of the particles with 𝜖 > 𝐸𝐶ℎ are
very close to the shower axis (see Fig. 4b). Contrary, fluorescence emission scales with deposited
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energy and also electrons which are further away from the shower axis with 𝜖 < 𝐸𝐶ℎ will therefore
produce fluorescence photons. Additionally, fluorescence emission is isotropic while Cherenkov
emission does have an opening angle \Ch which limits the visibility of the shower for an IACT.

Figure 10: Side-by-side comparison of the camera image for a shower with zenith angle of 80◦

obtained with simtel_array (left) and EASpy (right). The simtel_array camera image is rotated
by 180°.

4 Verification with a full simulation

Finally, we present an example for a shower image in Fig. 10 and compare it side-by-side with the
shower image as calculated with a complete air-shower simulation (see Section A.1) and ray-tracing
for Cherenkov-light using the sim_telarray package (see Section A.2). In order to make the
comparison meaningful, we have included the limited dynamical range and saturation of pixel
amplitudes similar to sim_telarray.

Note, that the underlying shower profile is identical for both images. The side-by-side com-
parison demonstrates that even with the simplifications introduced above and the coarse detector
simulation used here, the images appear quite similar. The position of the image in the camera, the
light recorded in the pixels are in good agreement with each other. The approximate length matches
between the two images, while the width appears slightly larger for EASpy. This is readily explained
by the assumption of a symmetric PSF of the telescope optics. However, the PSF is in general
elongated along the radial direction which leads to a smaller apparent width of the registered image.

To make the comparison more quantitative, we consider a larger sample of simulated air showers
presented in Fig. 15a and compare the resulting distributions of width(length) of the images for
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zenith angles of 70° and 80°.

4.1 Width distribution

In Fig. 11a, the image width obtained with the full simulation (𝑤𝑠) is compared with the results of
EASpy (𝑤) for a zenith angle of 70° and 80°. The two-dimensional histogram for a zenith angle of
70° indicates a clear and linear correlation between 𝑤𝑠 and 𝑤. The average values as well as the
individual distributions are very similar. The blue (70°) and green (80°) ellipses mark the 68 % ile
boundary around the centroid of the distribution. For each of the two zenith angles, the orientation
and position of the ellipses match well between the two methods. The noticeable differences are
most likely related to differences in the cleaning procedures that have not been applied in an identical
way for the two methods. As expected, the width observed at 80° is systematically smaller than
observed at 70°, because of the increased distance to the shower maximum.

(a) Comparison of width parameter for showers
with zenith angle 70°(80°) betweensim_telarray
(𝑤𝑠 along 𝑦-axis) and EASpy (𝑤 along 𝑥-axis). The
2D histogram is plotted only for 70° for visibility.
The blue(green) ellipse describes the 68% enclo-
sure around the mean value. Top and right panel
shows the projection of the 𝑤 and 𝑤𝑠-axis respec-
tively. The black line marks the identity 𝑤 = 𝑤𝑠 .

(b) Comparison of width parameter as a function
of impact 𝑥-position for showers with zenith angle
80° between sim_telarray and EASpy. The 2D
histogram shows only the values generated with
sim_telarray, the red crosses mark the median
values obtained with the EASpy, and the solid lines
are derived by fitting a linear function to the median
values of sim_telarray for 𝑥 & 0 and 𝑥 . 0
respectively.

Figure 11: Comparison of width parameter between EASpy and sim_telarray.

The excellent agreement between the width 𝑤 predicted with the simplified approach in EASpy
and the full simulation encourages further comparison between image parameters seen at various
distances of the telescope from the shower impact position. In Fig. 11b, we compare the width values
for shower impact positions at zenith angle of 80° along the 𝑥-coordinate in the observation plane.
The telescope is located at 𝑥 = 𝑦 = 0 and the shower moves from right to left. The 2D histogram
shows the distribution of 𝑤𝑠 while the red crosses are the median values of the 𝑤-distribution for
slices in 𝑥. For ease of comparison, the cyan line from a linear fit to the 𝑤𝑠 distribution is overlaid.
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One can clearly observe consistently for both simulations, that with increasing distance 𝑑impact
of the telescope position to the impact position of the shower, the width value gets larger. At
first glance, this appears counter-intuitive since with increasing 𝑑impact the shower should appear
smaller. However, from a geometrical point of view, the telescope will only register photons with a
larger angle with respect to the shower axis for increasing distance 𝑑impact. Consequently, the light
observed at these distances is emitted from electrons with large 〈\𝑝〉 which on average also have a
larger distance to the shower axis.

The absolute value of the slope of the solid lines in Fig 11b seems to be smaller for 𝑥 & 0
compared to 𝑥 . 0. This can be explained by considering that for 𝑥 & 0 the shower maximum is
further away from the telescope position compared to 𝑥 . 0 and therefore the shower is observed
under smaller angles.

Given these explanations, it is remarkable that the parametrization of the shower angle and its
dependence on the radial distance to the shower axis is sufficiently accurate to capture the interesting
property of increasing width with increasing distance to the observer.

4.2 Length distribution

The distribution of image length is shown in Fig. 12a for the two considered zenith angles of 70°
in blue and 80° in green. Overall, the distributions for both zenith angles are in good agreement
considering the simplified approach. The modest tilt in the orientation of the blue ellipse is caused
by a tail of images reconstructed with 𝑙𝑠 & 0.18° for the sim_telarray distribution. The apparent
tilt of the green ellipse highlights the larger values of 𝑙𝑠 found for 𝑙 . 0.11°. This slight deviation
is related to the differences in the image cleaning. Within sim_telarray, pixels are removed
with amplitudes below a threshold set relative to the brightest pixel whereas in EASpy no imaging
cleaning is applied (see for a comparison of uncleaned images Appendix A.2). Similar to the width
distribution, the average value of the length becomes smaller for larger zenith angle distances.

Similar to the presentation of the width parameter in the previous subsection, we compare the
apparent length of the images recorded at different positions of the shower core in the observer
plane. The result is shown in Fig. 12b for a zenith angle of 80°. As before, the red crosses mark the
median values obtained with EASpy and the overlaid solid lines characterize the median values of
sim_telarray.

The conclusions are quite similar to Fig. 11b: for large 𝑑impact the telescope will only register
photons with a large angle with respect to the shower axis leading to an increase of the resulting
length parameter. This picture holds as long as the shower is fully captured inside the camera field
of view. Once the shower images are getting cut off at the camera edges the length values start
to drop (see in Fig. 12b for 𝑥 . −9 km and 𝑥 & 10 km). The close agreement between 𝑙 and 𝑙𝑠

demonstrates the validity of the simplified approach regarding the longitudinal development of the
air shower.

A key difference between Fig. 11b and Fig. 12b is the more uniform spread of values found for
any given 𝑥: While for Fig. 11b the difference between the maximum and minimum width value for
𝑥 ≈ 0 is ∼ 0.01°, the corresponding difference for the length value in Fig. 12b is roughly 10 times
higher (∼ 0.1°). Upon closer inspection, the spread relates to a systematic increase of the length
with increasing distance along the 𝑦-axis for a fixed value of 𝑥. The obvious explanation is the
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(a) Comparison of length parameter for showers
with zenith angle 70°(80°) betweensim_telarray
(𝑙 along 𝑦-axis) and EASpy (𝑙𝑠 along 𝑥-axis). The
2D histogram is plotted only for 70° for visibility.
The blue(green) ellipse describes the 68% enclo-
sure around the mean value. Top and right panel
show the projections of the 𝑙 and 𝑙𝑠-axes respec-
tively. The black line marks the identity 𝑙 = 𝑙𝑠 .

(b) Comparison of length parameter as a function
of impact 𝑥-position for showers with zenith angle
80° between sim_telarray and EASpy. The 2D
histogram shows only the values generated with
sim_telarray, the red crosses mark the median
values obtained with the EASpy, and the solid lines
are derived by fitting a linear function to the median
values of sim_telarray for 𝑥 & 0 and 𝑥 . 0
respectively.

Figure 12: Comparison of length parameter between EASpy and sim_telarray.

longitudinal development of the shower captured in the length parameter while the width parameter
is mainly sensitive to the shower maximum.

5 Photon ground distribution

So far, we have considered the Cherenkov-light images recorded by a telescope observing the
shower with its optical axis aligned parallel to the shower axis. In addition to the Cherenkov light,
fluorescence is emitted isotropically and can be observed under arbitrary angles with respect to
the shower axis such that the apparent brightness scales with the inverse of the distance squared to
the shower maximum. At small zenith angles, the maximum photon density of fluorescence and
Cherenkov light coincide.

At larger zenith angles, these positions are displaced with respect to each other. This can be
seen in Fig. 13 where both, the photon density of fluorescence and Cherenkov light on the ground
(ground level is at a height of 1.8 km) are shown on a grid covering an area of 16 000 km2 for an air
shower with 𝐸𝛾 = 10 PeV at 80°. The atmospheric absorption for Cherenkov(fluorescence) photons
is treated in a simplified way: we calculate the average absorption from the position of the shower
maximum to the ground level for a photon path with zenith angle 80°(0°) and apply this factor to
all Cherenkov(fluorescence) photons. The two peak positions are displaced by ≈ 80 km. The peak
position of the air fluorescence light pool is close to the projected position of the shower maximum
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Figure 13: Cherenkov and fluorescence photon ground distribution for an air shower with zenith
angle 80°. The fluorescence photon density is up-scaled by a factor of 5 to match the Cherenkov
photon density. The red lines mark an iso-contour at a level of 100 photons/m2 (here the fluorescence
density is not up-scaled). Red cross marks the position of the shower maximum. Inset axis: Zoomed-
in version of Cherenkov photon ground distribution. The dot marks the position of the impact, red
lines indicate the iso-contours at a level of 100 photons/m2, 350 photons/m2 and 700 photons/m2.

and the peak position of the Cherenkov light pool is close to but not identical with the shower core
position on the ground.

The red ellipses indicate iso-contours of photon surface density of 100 photons/m2. In this
context, it is important to note, that at large zenith angles, there is no noticeable contamination of
Cherenkov light by fluorescence light. This effect has been studied in [6] for a zenith angle of 30°,
where the authors show that at distances ∼ 1 km from the impact point 45 % of the light registered
at PeV energies with a wide-angle detector would be atmospheric fluorescence emission.

While the circular shape of the iso-contour for the fluorescence photon surface density reflects
the isotropic nature of fluorescence emission, the iso-contour for the Cherenkov case is elongated
in the 𝑥-direction by orders of magnitude compared to the 𝑦-direction. The inset-axis of Fig. 13
shows a zoomed-in version of the Cherenkov photon ground distribution, with three isocontours (at
100, 350, and 700 photons/m2) highlighting its complex structure. Close to the impact position, the
two ring-like structures are directly related to the minimum and maximum Cherenkov-angle \𝐶ℎ

of the superposition of the Cherenkov light emission from the entire shower development. Beyond
the outer ring feature, the photon density drops quickly since this emission is produced mainly be
electrons from the later shower development with a large angle with respect to the shower axes.
This drop is more pronounced for light hitting the ground on the far side of the impact position (in
the figure to the left). This is explained by the geometrical effect of projecting the photon density
to the ground (see Fig. 14).

6 Summary

In this work, we have presented a framework for
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Figure 14: Sketch of the geometry properties for Cherenkov and fluorescence emission. The black
star marks the shower maximum, the blue shaded area the Cherenkov emission cone and the red
shaded area denotes isotropic fluorescence emission. The black line describes the shower axis and
the arrow the direction of propagation of the shower.

• a three-dimensional simulation of extended air showers at large zenith angles,

• the consequent emission of fluorescence and Cherenkov light,

• and the imaging of the simulated air showers.

The three-dimensional simulation of the air shower makes use of parametrizations for electron-
positron distributions for particle energy, angular spectrum and lateral distance [12]. Additionally,
we assume that these particles are distributed homogeneously around the shower axis such that the
simulated air shower follows a cylindrical symmetry.

For the zenith angle range discussed in this work (70° to 80°), the commonly used approximation
of a plane-parallel atmosphere is not applicable anymore. Therefore, we assume a spherical
atmosphere in order to accurately calculate the traversed mass density and the corresponding
atmospheric parameters along the path of the primary particle. In this framework, we compute the
emission of fluorescence and Cherenkov light in an analytical way on the basis of Møller(Bhabha)
cross section and the Frank–Tamm formula respectively. In this context we note, that at LZA,
the Cherenkov emission angle is generally larger than the mean angle of electrons/positrons to the
shower axis and needs to be included in the calculation.

The amount of light reaching the detector level after Rayleigh- and Mie-scattering as well as ab-
sorption processes is determined by using pre-computed lookup-tables generated with the MODTRAN
program. A simple plane parallel atmosphere model, where the optical depth scales with the secant
of the zenith angle, would underestimate the transmission by ∼ 10%. Full simulations of Cherenkov
and fluorescence photons generated by the particles in the air shower are demanding in terms of
computational time and memory required. Here, we have introduced a novel approach where the
number of photons detected with a telescope are determined with geometrical reasoning. As we
have demonstrated, this approach is accurate for LZA observations and reduces the computational
time considerably.

In order to verify the approach presented here, we compare the width(length) parameter of
Cherenkov air-shower images at zenith angle 70° and 80° between EASpy and sim_telarray. We
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find for these most relevant imaging parameters very good agreement for the entire zenith angle
range considered. This is remarkable since the computation time of EASpy does not scale with the
energy of the primary particle. In this way, EASpy provides a fast and flexible approach to simulate
a large number of air showers and the resulting images recorded with various Cherenkov telescope
arrays. Specifically, for the so-far unexplored energy beyond 100 TeV, it is possible to simulate and
optimize the sensitivity and performance of these arrays.

The EASpy framework provides additionally insights into the generation of air shower images
as well as the distribution of light in the detector plane. We have found that air shower images appear
wider and longer with increasing impact distance, an effect that has previously not been noted. This
apparent increase is related to the interplay of the Cherenkov angle and the average angle of shower
particles with respect to the shower axis. The effect is confirmed in the detailed simulations using
CORISKA/sim_telarray. The distribution of light on the ground calculated with EASpy shows
clear separation between the Cherenkov and fluorescence light pools. This can not be investigated
with the standard CORSIKA framework. These features may offer opportunities for observations in
future work. Our framework will be released in the near future for general usage.
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A Standard Monte Carlo simulations for imaging Cherenkov telescopes

A.1 Air shower simulations with CORSIKA

The widely used CORSIKA [23] framework for air shower simulations has been established as the
standard software in the field of ground-based air shower detection. The underlying Monte Carlo
approach has been used in this context since at least 50 years [24]. CORSIKA combines the
treatment of hadronic and electromagnetic interactions using state-of-the art interaction models that
have been verified with experimental data obtained at the highest energy with the large hadron-
collider (LHC) [25]. The electromagnetic cascade is computed using the well-established EGS-4
code [26]. The CORSIKA code includes radiative processes like Cherenkov light generation. Other
processes like radio or fluorescence emission are not included in the official release.

In CORSIKA charged particles are tracked as they undergo possible interactions or decay,
multiple scattering, bending of the trajectory in the Earth‘s geomagnetic field, and ionization
energy losses, as long as the particle survives a user defined angular and energy cut.

For the Cherenkov light production each track segment of a charged particle is divided into
smaller sub-steps such that in each sub-step one photon bunch is emitted at the midpoint of the
sub-step. The number of Cherenkov photons in one bunch is given by the user defined bunchsize
which defines the number of sub-steps needed until the number of Cherenkov photons in one bunch
is less than the defined bunchsize. For our simulation, we set the bunchsize to five photons which is a

– 20 –



compromise between resolution and computation time required. For the typical detection efficiency
of ≈ 10 % for ground-based detection, less than one photon would be detected per bunch.

At each step, the number of produced Cherenkov photons and the emission angle is determined
by the height-dependent refractive index and velocity of the charged particle, while assuming a
continuous energy loss along its path. Within the IACT package for CORSIKA, telescopes are
modelled as spheres with adjustable position and radius for each telescope. The bunches are
transported to ground level and for those intersecting a telescope sphere, all relevant informations
are stored in a file. Additionally, CORSIKA provides the option to count the number of particles
passing through intervals of slant depth and their energy deposit for various particle groups (𝛾, 𝑒±,
`±, hadrons, Cherenkov photons) This information is written to a separate file.

In this work we used CORSIKA (v7.7402) to obtain shower profiles for photon air showers with
energies in the range of 100 TeV to 1000 TeV and zenith angles between 70° and 80° in steps of 2°.

The resulting shower profiles are used for calculating the electron-positron distributions for
particle energy, angular spectrum and lateral distance (see Section 2.3). For each zenith angle, we
simulated ∼ 8 000 showers which sums up to a total of ∼ 50 000 showers (see Fig. 15a).

The corresponding mean shower profile per energy of the primary photon for each zenith angle
bin is shown in Fig. 15b. The shower profiles are described in terms of the relative evolution stage
𝑡 (see Eq. 2.5). While the shower profiles converge at very early (𝑡 ≤ -4) and late stages (𝑡 ≥ 4),
they surprisingly deviate around the shower maximum (𝑡 ∼ 0). This behavior is not seen, if the
shower profiles are normalized to the number of particles at the shower maximum 𝑁/𝑁max, with
𝑁max = 𝑁 (𝑡 = 0).

(a) (b)

Figure 15: (a) Histogram of simulated showers with bin width of 100 TeV for each zenith angle. (b)
Mean number of particles per primary gamma energy for each zenith angle bin. The gray shaded
area denotes the envelope of the 1 𝜎 error bands of zenith angle bins.

In the following, we provide all relevant information regarding CORSIKA version, compiling
options, and parameter settings used to simulate the air showers:

CORSIKA version 7.7402
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compiling options VOLUMEDET, IACT, ATMEXT, CURVED, VIEWCONE, SLANT, CERENKOV

interaction models QGSJET-01D [27], GHEISHA 2002d [28], EGS4 [26]

atmosphere all-year average profile at H.E.S.S. site

For the energy cut-off of the particle kinetic energy for hadrons, muons and electrons we used
0.3 GeV, 0.1 GeV and 0.001 GeV respectively. The lower and upper limit of the wavelength band
for the Cherenkov radiation production covers a range 250 nm to 700 nm with a bunchsize of 5. The
longitudinal development of particle numbers and energy deposit by ionization energy losses are
sampled in steps of 2 g/cm2. Explanations for the compiling options and keywords for the CORSIKA
input card can be found in [16].

A.2 Detector simulation with sim_telarray

The shower simulation as described in the previous section provides the information on the
Cherenkov light received by a telescope located in the center of the so-called telescope sphere.
The subsequent treatment of the different components of a telescope require a dedicated simula-
tion. Since this simulation requires in-depth and specific details of the telescope hardware, it has
often been treated by custom codes that are limited to a single experiment. In the past decade,
sim_telarray [22] has been used for the HEGRA, H.E.S.S., and planned CTA IACT systems.

With the sim_telarray package each telescope of an IACT system can be configured individ-
ually. The photon information stored by CORSIKA are read-in and the atmospheric transmission
defined by an external look-up table is applied to the photon bunches. Using ray-tracing, the re-
maining Cherenkov light is followed through the various optical components, until it converts into
a photo-electron on the photocathode. The optical components can be configured in a flexible way
to take into account the geometry of the mirrors, their alignment as well as the overall layout of
the camera to include shadowing effects of masts etc. The efficiencies for reflection, absorption,
and conversion are treated in a wave-length dependent way. The pulse-shape, after-pulsing, relative
timing, triggering, and digitization can be fine-tuned with various parameters to match the actual
setup. In addition to the Cherenkov light, the night-sky background is included as a noise source to
the camera images.

Information about the position and number of photo-electrons for every pixel enables geo-
metrical reconstruction of the shower using the classical Hillas parameters technique. While the
sim_telarray package itself does not provide any reconstruction steps which involve look-up of
other simulation data, e.g. gamma-hadron separation, it does provide a Postscript-generator for
visualisation of the data, which includes the moments of the Hillas ellipse and the reconstructed
shower direction.

As mentioned in section 4.2, sim_telarray applies a cleaning procedure in order to remove
photo-electrons from the night sky background and electronics. This procedure will also inevitably
remove photo-electrons produced by Cherenkov-photons. The small effects of the cleaning proce-
dure can be observed by comparing Fig. 12a with Fig. 16, where in Fig. 16 the uncleaned images
(i.e. only the photo-electrons produced by Cherenkov-photons) from sim_telarray were used.
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Figure 16: Same as in Fig. 12a but here using the uncleaned images from sim_telarray.

B Fluorescence parameters

In Table 2 we provide all necessary parameter values in order to evaluate 𝑌𝑎𝑖𝑟 (_, 𝑇, 𝑝) in Eq. 2.6.
The parameter values are taken from [19], [20] and ShowerModel.

Table 2: Parameters for Fluorescence model. Reference atmospheric conditions for dry air are
𝑝0 = 800.0 hPa and 𝑇0 = 293.0 K. The table describes from left to right: wavelength _ in units of
nm, relative intensity of each wavelength at reference atmospheric conditions, quenching pressure
of dry air 𝑃𝑃0 and quenching pressure of water vapor 𝑃𝑃𝑤 in units of hPa and a parameter 𝑎 which
takes into account the temperature dependence.

_
𝐼_ (𝑇0, 𝑝0)
𝐼337 (𝑇0, 𝑝0) 𝑃𝑃0 𝑃𝑃𝑤 𝑎

nm ×10−2 hPa hPa -
296 5.16 18.50 0.00 0.00
298 2.77 17.30 0.00 0.00
302 0.41 21.00 0.00 0.00
308 1.44 21.00 0.00 0.00
312 7.24 18.70 0.00 0.00
314 11.05 12.27 1.20 -0.13
316 39.33 11.88 1.10 -0.19
318 0.46 21.00 0.00 0.00
327 0.80 19.00 0.00 0.00
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329 3.80 20.70 0.00 0.00
331 2.15 16.90 0.00 0.00
334 4.02 15.50 0.00 0.00
337 100.0 15.89 1.28 -0.35
346 1.74 21.00 0.00 0.00
350 2.79 15.20 1.50 -0.38
354 21.35 12.70 1.27 -0.22
358 67.41 15.39 1.30 -0.35
366 1.13 21.00 0.00 0.00
367 0.54 19.00 0.00 0.00
371 4.97 14.80 1.30 -0.24
376 17.87 12.82 1.10 -0.17
381 27.20 16.51 1.40 -0.34
386 0.5 19.00 0.00 0.00
388 1.17 7.60 0.00 0.00
389 0.83 3.90 0.00 0.00
391 28.00 2.94 0.33 -0.79
394 3.36 13.70 1.20 -0.20
400 8.38 13.60 1.10 -0.20
405 8.07 17.80 1.50 -0.37
414 0.49 19.0 0.00 0.00
420 1.75 13.80 0.00 0.00
424 1.04 3.90 0.00 0.00
427 7.08 6.38 0.00 0.00
428 4.94 2.89 0.60 -0.54
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Application of Graph Networks to
background rejection in Imaging
Air Cherenkov Telescopes
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Abstract. Imaging Air Cherenkov Telescopes (IACTs) are essential to ground-based obser-
vations of gamma rays in the GeV to TeV regime. One particular challenge of ground-based
gamma-ray astronomy is an effective rejection of the hadronic background. We propose a new
deep-learning-based algorithm for classifying images measured using single or multiple Imag-
ing Air Cherenkov Telescopes. We interpret the detected images as a collection of triggered
sensors that can be represented by graphs and analyzed by graph convolutional networks.
For images cleaned of the light from the night sky, this allows for an efficient algorithm
design that bypasses the challenge of sparse images in deep learning approaches based on
computer vision techniques such as convolutional neural networks. We investigate different
graph network architectures and find a promising performance with improvements to previous
machine-learning and deep-learning-based methods.
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1 Introduction

Arrays of Imaging Air Cherenkov Telescopes (IACTs) enable precise observations of the very-
high-energy gamma-ray sky in the GeV to the TeV regime. When highly-energetic particles
penetrate the Earth’s atmosphere, air showers(i.e., particle cascades) are initiated. IACTs
image the Cherenkov radiation, which the relativistic secondary particles emit while passing
through the Earth’s atmosphere.

For the precise observation of gamma-ray emitters, the hadronic background has to be
reduced to a minimum to ensure a high sensitivity of the instruments. For rejecting this
background — of mainly proton-induced air showers — most algorithms rely on high-level
image observables like Hillas parameters [1]. In this approach, the images are first cleaned
from background noise, e.g., the night sky background. Subsequently, the images — consisting
of the remaining pixels after cleaning — are reduced to multiple parameters by elliptical
modeling of the first moments of the Cherenkov light distribution, where the width and length
of the ellipse are critical parameters and decisive for γ/hadron separation. Since hadron-
induced showers are subject to larger fluctuations due to the hadronic interactions in the
shower development, the resulting light distribution is different and mainly results in increased
widths. For an efficient background rejection, cut strategies use these differences on such
image parameters or by exploiting their correlations using machine learning techniques [2].

With the recent advent of deep learning [3, 4], the application of machine-learning algo-
rithms to low-level data of physics instruments became computationally feasible [5]. These
deep learning techniques already demonstrated their effectiveness in Large Hadron Collider
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(LHC) [6], neutrino [7, 8], and cosmic-ray physics [9, 10]. Also, in gamma-ray astronomy, var-
ious works focus on reconstructing IACT images using deep learning, i.e., neural networks, to
extract information beyond the Hillas parameterization, which is too simplified to describe
characteristics of the Cherenkov light distribution in full detail. For example, especially pro-
ton showers that develop on average far more inhomogeneously compared to photon showers
cannot properly be described by an ellipse. A simple analysis based on width and length can
thus be interpreted as a principal component analysis (PCA) where only the first two com-
ponents of the light distribution are considered. Hence, more sophisticated approaches aim
to exploit the substructure of IACT images beyond these moments to improve the rejection
of hadron-initiated showers.

The first application of deep learning to IACT images was studied in Ref. [11]. A
following comprehensive study on the application of deep learning to event reconstruction [12]
forms the base for many IACT deep learning applications [13–16]. The proposed hybrid
architecture consisting of convolutional and recurrent operations showed promising results
when applied to simulations. Whereas the recurrent network part was used to deal with
image stereoscopy, i.e., the combination of multiple telescopes that imaged the same shower,
the convolutional network part was used to exploit the shower image on a per-telescope
basis. One particular challenge of this approach is the image sparsity, as after image cleaning,
typically only around 15% active pixels remain, as visible in Figure 1a. Since many IACT
cameras feature a hexagonal arrangement of pixels, the sparsity of the image even increases as
a transformation into a Cartesian representation is needed (compare Figure 1b). These caveats
make the application of convolutional neural networks (CNNs) less efficient and motivate
algorithms that can deal more naturally with the measured light distribution in the camera.
When not performing cleaning, in theory, more information could be exploited assuming that
the cleaning has finite performance. Nevertheless, the major part of the image would, on
average, consist of background noise that must be described in full detail. We, therefore,
would like to emphasize that investigating additional more sophisticated cleaning procedures
will also contribute decisively to the development of precise and efficient algorithms for IACT
image analyses.

In this work, we present a novel approach for discriminating γ-ray- from proton-induced
showers using graph networks, which were recently applied to physics data lying on non-
regular [17–19] and non-Euclidean manifolds [20, 21]. Our technique relies on cleaned images,
which we interpret as sparse signal patterns that can be represented by graphs, and, thus,
efficiently analyzed using graph convolutional neural networks. Furthermore, since only the
signal pixels after cleaning contribute to the construction of graphs, our algorithm is com-
putationally significantly more efficient in terms of memory consumption and run time than
current approaches based on CNNs or CNN-RNN-based models.

The work is structured as follows. In the first part, we introduce the data, followed by a
summary of deep-learning-based IACT image analyses and our new approach to interpreting
IACT images as graphs. Then, in Section 3, we review two different graph convolutional neural
network architectures we use in this work and describe the training of our algorithm using
simulations of the High Energy Stereoscopic System (H.E.S.S.) [22]. Finally, in Section 4, we
apply our method to the classification of mono and stereo events, examine the performance
of our proposed classification algorithm, and compare the results to machine-learning and
deep-learning-based classifiers presented in the literature.
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(a) (b)

Figure 1: Representation of a typical event measured using CT5. (a) Detected Cherenkov
light distribution at the camera after cleaning and pre-processing (point cloud). Marker sizes
and colors indicate the signal strength. Grey points represent pixels without signal after
cleaning and pre-processing. (b) Representation as a Cartesian image using axial addressing;
grey pixels mark zero-padded regions, and white pixels indicate pixels without any signal
after cleaning and pre-processing.

2 Data

For the simulation of extensive air showers, the software package CORSIKA (Cosmic Ray
Simulation for Kascade) is used [23]. Initially developed for the KASCADE experiment, it
is publicly available, open-source, and a standard tool for the broader astroparticle physics
community. Furthermore, we use the software sim_telarray to fully simulate the detector
response, ranging from the photons’ ray tracing to the measurement with photomultiplier
tubes (PMTs) and its digitization [24].

The simulated events are calibrated and cleaned using the standard H.E.S.S. Analysis
Program (HAP). H.E.S.S. is one of the currently operational IACT arrays and is located in
Namibia. It consists of five telescopes, four small telescopes, named CT1-4, arranged in a
square with 120 m side length, and a larger fifth telescope (CT5) placed in its center. In
this work, we use H.E.S.S. as a show-case scenario of our algorithm. Nevertheless, due to its
flexible design, our proposed method can be applied to any IACT array configuration.

Once the data is recorded, a calibration procedure is needed to use the raw data, which
entails converting the measured Analog-to-Digital-Converter (ADC) counts into the physical
unit of photoelectrons (p.e.). In the following step, a dual threshold cleaning procedure is
applied to exclude all pixels without a shower signal and to keep only pixels with shower
signals in local proximity. We used the so-called extended 4/7 cleaning [22] for CT1-5 in this
paper. This means, during the tail cuts cleaning process, we keep a pixel if the intensity is
>4 p.e. and at least one nearest neighbor pixel has an intensity >7 p.e., conversely. Finally,
we save the extended image, i.e., also include the neighboring two rows of pixels around
the 4/7-cleaned image. We further use selection cuts, part of the standard analysis chain of
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H.E.S.S., selecting only bright camera images that are not truncated, ensuring high-quality
reconstructions. Whereas the minimum image total amplitude, denoted as the image size
parameter, guarantees bright images, the local distance, i.e., the maximum distance between
the Hillas ellipse center-of-gravity and the camera center, ensures that the images are not
truncated. The local distance cut, we refer to it as preselection cut hereafter.

In H.E.S.S., the reconstruction is performed with different configurations of the five tele-
scopes enabling observations at different energy ranges. These configurations are motivated
by either the start of operation of individual telescopes – for example – CT1-4 have been oper-
ational since 2003, and CT5 was added to the array in 2012. At the time of writing, there are
three main configurations: mono, stereo, and hybrid. "Mono", corresponds to observations
that solely include CT5 – most effective at low energies. The "stereo" and "hybrid" config-
uration corresponds to any combination of at least two telescopes from CT1-4 and CT1-5,
respectively, having good quality data, i.e., satisfying the required selection. Whereas stereo
is most effective at the highest energies, hybrid covers the entire energy range of H.E.S.S.

In this work, for training the neural networks, all events were simulated as diffuse emis-
sion around 20◦ zenith, 0◦ azimuth, with an opening angle of 5◦. The simulations were
performed for the so-called phase2d3, which corresponds to the latest state of the H.E.S.S.
array taking into account effects such as the optical efficiency of the telescope mirrors, in
an energy range of 10 GeV to 300 TeV with a spectral index of -2. The proton showers
were simulated using the QGSJET-II model implemented in CORSIKA. Since the amount of
Cherenkov light produced differs between photon and proton showers due to the hadronic
component, the simulated energy range differs slightly between both classes to cover the full
sensitivity range of H.E.S.S.1. We have pre-processed the simulated events using HAP to
apply the image cleaning, trigger condition for the array, and calculate the Hillas parameters
per image in mono and hybrid analysis in the so-called zeta configuration [25].

For detailed comparisons, we have also used a standard set of cuts, where the minimum
size parameter of an image is 60 p.e. for CT1-4 and 80 p.e. for CT5 and the maximum local
distance of an image is 0.525m for CT1-4. For CT5, we do not apply a local distance cut.
Our final data consists of 106 events in the mono data set, 650,000 events in the stereo data
set with preselection, and 106 events for the stereo dataset without the preselection, i.e., the
local distance cut applied. We used 85% for validation and training and 15% for final testing.

Finally, we compare our results as a benchmark to the BDT-based standard γ/hadron
separation method used in H.E.S.S. However, we note that the BDT-based method used
in H.E.S.S. requires full preselection and further uses point-source gamma-ray simulations,
and real "off-run" data is used for the background description. These off-runs contain the
data collected by pointing to the parts of the sky where we do not have any known gamma-
ray source, enabling a stable application of the BDT to data. For our scenario, this is a
conservative benchmark as we likely overestimate the BDT performance on simulations since,
for evaluation of graph networks, diffuse γ’s were used.

2.1 IACT images and graphs

Current deep-learning approaches for IACT-image analyses are based on CNNs. This ap-
proach — even if well-motivated and showing promising results — suffers from the following

1For photon showers, the range is 10 GeV to 100 TeV, and for protons 10 GeV to 300 TeV. We further
checked that the distributions of image sizes and reconstructed energies of proton and photon showers are
similar. This important step ensures that the trained classifiers are unbiased, i.e., are sensitive to differences
in the image light distribution and not the energies.
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two challenges. Firstly, the sparsity gets even more prominent for cleaned images because
image cleaning removes a significant fraction of the night-sky background. We found that, on
average, only ∼ 15% of pixels hold signals. See Figure 1a for a visualization of a typical IACT
image measured using CT5 after cleaning and pre-processing. Secondly, the design of IACT
cameras usually features an arrangement of hexagonal pixels. Thus, re-indexing [26, 27] or
re-binning [12] has to be performed to allow for using CNNs, which are based on Cartesian
grids. It can lead to performance issues for too low-resolution re-binning or inefficient, i.e.,
sparse representations [28]. For example, the axial representation introduces a lot of zeros into
the new images indicated as grey pixels in Figure 1b.2 Therefore, to reduce the computational
complexity, we follow a new, more natural approach.

We consider the cleaned IACT images as point clouds, i.e., a collection of triggered
pixels with positions (x, y) in the camera frame, yielding a signal value s in units of p.e. To
conduct an efficient deep learning approach based on convolutional operations3, we use the
point cloud to create a graph — i.e., a collection of nodes that are connected via edges — to
be analyzed by graph convolutional networks.

As IACT images can be interpreted as an overlay of images from different stages of
shower development, the spatial structure of these recorded images in the camera frame is the
fundamental feature of discriminating protons from photons. Thus, we construct a directed
graph using the k-nearest-neighbor (kNN) algorithm applied to the pixel positions (x, y) only.
Due to the hexagonal pixelization, we use k = 6 and include a self-loop so that each sensor
is connected to its closest six neighbors and itself. In principle, two approaches are possible,
using all pixels and building a single fixed graph for all events or by only considering the signal
pixels to form a signal graph, which changes on an event-by-event basis, as shown in Figure 2.
We are focusing in this work on the signal graph approach due to its computational efficiency.
We also performed a few tests using the fixed graph approach but observed non-significant
improvements.

The final image representation results in an un-weighted signal graph with N nodes
(remaining number of pixels after cleaning), depicted in Figure 2b. Each node xi of the graph
nodes {x1, ...,xn} holds a three-dimensional feature vector with the x, y position and measured
signal xi = (xi, yi, si) forming the matrix of node feature vectors X ∈ RN×3. The edges of
the graph indicate a direct neighborhood between two nodes (0 or 1). This relationship is
described by the adjacency matrix A ∈ RN×N . The degree matrix D ∈ RN×N denotes the
number of neighbors for each node.

Note that for a stereoscopic event of j triggered telescopes, j independent graphs are
created. In contrast, non-triggered telescopes are modeled as a single-node graph with zero
elements as the feature vector and a self-loop. This approach simultaneously facilitates an
efficient representation and the information on the telescopes’ trigger state; the latter is vital
for inferring shower properties.

Transformation of signals The distribution of measured pixel signals features an ex-
ponential tail towards high values. Therefore, to improve the learning behavior of neural

2The offset representation does not have this inefficient representation. However, it is limited to kernels
applied with a stride of 2 to conserve translational invariance.

3Similar as used in CNNs.
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(a) (b)

Figure 2: Representation of an IACT image as (a) fixed graph and (b) signal graph.
Node sizes denote signal strength. Grey nodes indicate pixels without any signal after pre-
processing. The black edges denote the neighborhood relations after constructing the graph
using kNN. For better visibility, self-loops are not visualized.

networks, we use a logarithmic re-scaling [9] of the measured pixel signals si:

s′i = log10(si + 1) (2.1)

si,norm =
s′i

σ(s′)
, (2.2)

where σ(s′) denotes the standard deviation of the transformed signals estimated over the
entire dataset. Pixels with negative values are removed, as they did not show a performance
improvement and reduced the computational efficiency of the algorithm.

3 Graph Convolutional Neural Networks

In recent years, the success of deep learning in speech recognition and computer vision has
spread into the natural sciences, including physics. One of the driving forces of deep learning
is convolutional neural networks (CNNs), which have been demonstrated to be enormously
powerful when applied to regular and structured data such as images and time series. For the
analysis of data lying on irregular grids or non-Euclidean manifolds and forming point clouds,
however, the convolutional operations have to be substantially modified. Graph convolutional
neural networks offer an elegant way out of this challenge.

By constructing graphs to represent these point clouds, a clear neighborhood relation
is defined, enabling the exploitation of the data structure using convolutions. Currently, two
different approaches are used to perform the convolution operation on graphs. One ansatz,
the so-called spectral convolutions, utilizes a transformation into the Fourier domain where
the convolution acts point-wise. A second is a spatial approach in which the convolutional
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kernels are spatially localized — similar to CNNs — and the kernels are extended to non-
Euclidean and irregular lattices. For a detailed introduction to deep learning on graphs and
the different methods, refer to Ref. [5, 29].

In this work, we investigate two different formulations that use the spatial ansatz, which
is very flexible and has already been successfully utilized in physics [19–21, 30].

3.1 EdgeConv

For the analysis of point clouds, by means of graph networks, edge convolutions were proposed
in Ref. [31]. Given a graph with N nodes {x1, ....,xn} as input holding various features, for
each node xi, similarly, the convolutional operation

x′i = �
j∈N (i)

hΘ(xi ‖xj − xi) (3.1)

is performed — followed by an activation function — to extract and accumulate local features.
Here hΘ denotes an arbitrary function with trainable parameters Θ, usually parameterized
as a feed-forward network. It can be interpreted as a continuous kernel function as it depends
on the feature vector of the central node (xi) and the local relative feature difference to the
neighboring node (xj − xi). After performing the operation with each neighboring node xj ,
the aggregation operation �j∈N (i) over the neighborhood of the node xi is performed. Here,
the aggregation operation "�" is to be defined by the user. We will use 1

6

∑
j∈N (i) throughout

this manuscript.
Figuratively speaking, EdgeConv can be seen as an extension of the standard CNN

operating on an image to continuously-distributed data. In the CNN, the same kernel slides
over the image and is, at each position, ‘convolved’ with the local image patch. That is
the point-wise product of the kernel and the pixel and its local neighborhood — at the
current kernel position — is performed. Hereafter, the results are aggregated to a single
value by summing up, which leads to the fact that the structure of the image is preserved.
Similarly, in the edge convolution at each node, the convolution is performed using the same
kernel function hΘ, replacing the discrete filter as used in CNNs with a feed-forward network.
Hence, applying the kernel function to each neighboring node of the current node resembles
the point-wise kernel-patch product in the CNN. Finally, the information is aggregated using
�j∈N (i). Within this interpretation, the number of features (outputs) of the kernel network
would correspond to the number of kernels used in a CNN layer.

3.2 TAGConv

Topology Adaptive Graph Convolution Networks (TAGCN) were introduced in Ref. [32].
TAGCN extends the well-known fixed-size CNN-like filters to graph-convolutional networks
in the spatial domain. In this approach, the graph-convolutional operation is achieved by
simultaneously applying a set of fixed-size kernels, to be defined by the user, to each node of
a given graph. The output at a given node is each kernel’s weighted sum of outputs. The sizes
of these kernels are motivated to propagate the information to a given node by its neighbors.
For example, size 1 and 2 kernels will bear the information from the next- and next-to-next
neighbors, respectively. Note in this setup the number of nodes considered in the convolution
depends on the actual size of the one-hop or rather two-hop neighborhood. Thus, it makes
the topology of these learnable fixed-size filters adaptive to the topology of the graphs. For a
graph with a set of nodes X, the adjacency matrix A, and its degree matrix D, the TAGCN
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Figure 3: Simplified sketch of the graph network design. Here, the more complex version
of the stereo architecture is shown. In the visualized event, only three of the four telescopes
satisfied the image amplitude cut. After processing the signal patterns of the telescopes
using six graph convolutional layers, the resulting features are concatenated, and pooling is
performed. Finally, a fully-connected network part follows, analyzing the obtained ‘pooled’
outputs after each convolutional layer of each telescope.

convolution operation is defined as:

X′ =

K∑
k=0

(
D−1/2AD−1/2

)k
XΘk, (3.2)

where the summation is taken over the kernel parameter k, and Θk are the trainable param-
eters. More concretely, a given node over which the kernel is applied will only collect the
message from the nodes which are k path lengths away, where one path length corresponds
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to an edge connection between two nodes. In this work, we have used K = 2, which has also
performed best in the original work. It is worth emphasizing that the term

(
D−1/2AD−1/2

)
of the adjacency matrix A is raised to the power k, which allows lower contributions in the
message passed from a farther node than a nearer one.

For an analogy to CNNs-based architectures where typically a fixed-size filter is used.
For example, a 3 × 3 filter in VGG-16 [33] or an 11 × 11 filter in AlexNet [34]. However, in
GoogLeNet [35], a combination of a set of filters of different sizes is used in each convolutional
layer. Taking a similar approach as in GoogLeNet, TAGCN can be considered a graph-
convolution operation where a set of up toK-localized filters is used simultaneously. Although
we note that in GoogLeNet, the features from different size filters are only concatenated, in
contrast, in TAGCN, the weighted sum is aggregated.

Even being similar, TAGConv is not a simple extension of the well-known GCN architec-
ture [36], as it is not an approximation of a graph convolution in the Fourier domain. It can
rather be understood in the context of graph signal processing as it utilizes a multiplication
by polynomials of the adjacency matrix to consider the k-hop neighborhood.

3.3 Network design and training

We use a similar layout to enable a fair comparison between the two graph architectures.
Each graph part features six graph-convolutional layers of the respective type. For the stereo
data set, the same graph part is shared using weight sharing4 along the four telescopes as
four towers to improve the generalization performance of the architecture. The following
network part receives as input the output of each of the six graph convolutional layers. For
the stereo architecture, the outputs of all telescopes are concatenated. To these concatenated
tensors, a global pooling operation is applied to remove the dependence on the number of
graph nodes. As this is a necessary but aggressive pooling operation, the inputs after each
graph layer are utilized to keep information from different levels of the feature hierarchy.
The pooling operation is followed by five ResNet modules [37] and the output layer. Figure 3
shows a sketch of the network design used for the stereo architecture with four towers of graph
convolutions processing the signal patterns of the four telescopes. For the mono dataset, the
architecture simplifies to a design with only a single tower of graph convolutional layers to
process the graph input.

The two graph network architectures were implemented using PyTorch Geometric [38].
For more details on the neural network architectures, refer to section A in the appendix.
Each network was trained using the ADAM [39] optimizer with the AMSGRAD option [40]
on a single Nvidia A100 GPU. The training duration amounted to roughly 10-20 hours. The
details of the training parameters can be found in the appendix.

Note that for the mono and the stereo data set, we only train on the dataset without the
preselection cut applied. We follow this procedure since using the data without preselection
increases the statistics by 50%. This significant increase in training data will help to improve
the generalization performance of our deep learning algorithms.

4 Classification of IACT images

A crucial aspect of ground-based observation of γ-rays is to separate the scarce γ-ray sig-
nal events from the abundant hadronic cosmic-ray background events. IACT arrays such as

4The same weights are applied to the signal graphs of the different telescopes.

– 9 –



H.E.S.S yield highly-sensitive γ-ray observations only when the background events are effec-
tively rejected. Currently, in H.E.S.S, the γ/hadron separation is performed using so-called
Boosted Decision Trees (BDTs). Therefore, we use the BDT classification performance as a
baseline comparison for our deep-learning-based classifiers.

In this approach, several parameters extracted from the observed shower images, typi-
cally derived from Hillas-based event reconstruction, are combined into one parameter, which
describes the likeness of an event to be of hadronic or electromagnetic origin and allows the
classification of the events [25]. In contrast, our approach directly utilizes the individual
pixel-level information mitigating the information loss due to image parameterizations.

In this work, we study the performance of the graph network approach and compare it
to the traditional BDT method for two cases: "mono" and "stereo", as described in Section 2.
The networks are evaluated in the respective sensitivity regime of the configuration to obtain
realistic results, which are 50 GeV - 300 TeV for mono and 100 GeV - 300 TeV for stereo.

We use the "Receiver Operating Characteristic" (ROC) curve to evaluate the classifiers
to demonstrate the general performance. The area under the ROC curve (AUROC) is used as
the evaluation metric while comparing different classifiers; as the closer the value of AUROC
is to 1, the better the performance of the classifier.

It is to be noted that the γ/hadron separation is inherently dependent on the amount
of information in the recorded images itself. Meaning with an increasing amount of light
in the recorded images, the performance of the classification tasks is expected to improve.
Thus, we examine the AUROC as a function of the reconstructed energy (derived from the
image-amplitude parameter), which is highly correlated with the amount of light observed. To
derive the uncertainty on the AUROC value for a given bin in reconstructed energy, we used
bootstrapping and resample 1000 times. We also compare the performance to the previous
work of deep CNN-RNN-based analysis for the "stereo" configuration [12].

4.1 Mono performance

Figure 4 shows the performance of our two GCN-based architectures — TAGConv and Edge-
Conv — for the mono configuration, i.e., considering CT5 only. In Figure 4a, we examine the
general performance over the entire test data set. It can be observed that both architectures
give very similar performances of an AUROC 0.9790 for TAGConv and 0.9779 for EdgeConv,
respectively. The energy-dependent performance is shown in Figure 4b. At reconstructed en-
ergies larger than 500 GeV, the performance reaches a stable plateau with an AUROC above
0.99 for both architectures.

In Figure 5, we display the performance of our classifiers in two energy bands of 0.05–
1 TeV (lower) and 1–300 TeV (higher). At a 50% of gamma-ray efficiency (0.5 of true positive
rate) in the lower energy band, we would misclassify 1 in ∼ 100 (8 · 10−3 false positive rate)
background events. Similarly, only 1 in ∼ 4000 background events would be misclassified
for the higher energy band. Such good performance of γ/hadron separation, using a single
telescope only, can be attributed to its large collection area, dense pixelization, and the
validity of the effectiveness of our deep learning approach. Therefore, the sub-structures in
the air-shower light pool can be resolved in more detail, which is especially important for
hadron-induced events. Since the mono reconstruction is currently under development, we
could not find any available BDT performance of the mono analysis for the H.E.S.S experiment
for comparison.
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(a) (b)

Figure 4: Classification performance for mono events without any selection cuts applied. (a)
Comparison of ROC curves for the trained graph network classifiers. (b) Energy evolution
of the classification performance. The numbers in the legend indicate the AUROC over the
whole energy range.

(a) (b)

Figure 5: Classification performance for mono events for the energy interval (a) 50 GeV to
1 TeV and (b) 1 TeV to 100 TeV.

4.2 Stereo performance

The γ/hadron classification performance obtained in this work and its comparison to the
BDT-based method for the stereo analysis are shown in Figure 6 and Figure 7 for the full
energy range. In the case of stereo evaluation, it is worth revisiting our cuts applied to the
data sets. We studied the performance for two cases, first: where only the image amplitude
cuts are applied (Figure 6); second: the full preselection cuts are applied, i.e., only events are
included that have at least two telescopes from CT1-4 passing the local-distance cut defined in
Section 2 (Figure 7). We note that the local distance cut ensures a high-quality reconstruction
using the BDT but significantly reduces the statistics by 30%.
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(a) (b)

Figure 6: Classification performance for stereo events without preselection cuts applied.
(a) ROC curve of the trained graph network classifiers. (b) Energy-dependent classification
performance of the graph networks.

Figure 6a shows the ROC curves obtained for both of our architectures without the
preselection cuts. They perform very similarly with an AUROC of 0.9900 and 0.9894 for
TAGConv and EdgeConv, respectively. A comparison to the BDT-based classifier could not
be shown as in the default H.E.S.S. analysis scheme, the BDTs are only trained and evaluated
on events with the preselection applied. We slightly outperform the CNN-RNN-based study
done by Ref.[12]; they have obtained an AUROC of 0.9875 in this case. Note that AUROC is
a highly non-linear metric. Thus, for making a detailed comparison, it would be interesting
to compare the proton contamination of the methods at typical working points of background
rejection methods in gamma-ray analyses, e.g., at a γ-efficiency of 0.5. However, these are
unfortunately not available at present. The AUROC as a function of the reconstructed energy
is depicted in Figure 6b. It is evident that the performance is very stable in the entire energy
range.

In Figure 7a, we present the ROC curves obtained for preselection cuts applied for both
our architectures and the BDT-based method currently used in H.E.S.S. It is to be noted that
no re-training was performed on the preselected dataset, but the networks trained on the full
data set were used. It is evident that both of our architectures perform very similarly and
outperform the BDT-based classifier by a significant margin. The AUROC values obtained for
TAGConv and EdgeConv are 0.9925 and 0.9918, respectively, while the BDT-based method
only reaches 0.9750.

Note that the improvement only sounds small due to the non-linear behavior of the AU-
ROC. To elaborate on its significance, while comparing the performance of our architectures
at 50% gamma-ray efficiency for without and with full preselection cuts, we would misclas-
sify only one background event in ∼ 400 and ∼ 700 events, respectively, in the entire energy
range. Similarly, compared to the latter, for the BDT-based method, one in ∼ 100 background
events would be misclassified. This finding signifies a strong performance improvement using
the deep learning methods in comparison to the BDT. We further marginally outperform
(AUROC of 0.9915) the previous CNN study [12].

In Figure 7b, we show the AUROC as a function of reconstructed energy. The difference
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(a) (b)

Figure 7: Classification performance for stereo events with the preselection applied. (a)
Comparison of the classification between the two graph networks and the BDT classifier of the
standard reconstruction. (b) Energy-dependent classification performance of the classifiers.

(a) (b)

Figure 8: Classification performance for stereo events with the preselection applied for the
energy interval (a) 100 GeV to 1 TeV and (b) 1 TeV to 100 TeV.

in the performance of the BDT-based method to ours can be clearly seen below 10 TeV and
above 50 TeV. It is worth mentioning that the performance for the BDT-based method is
obtained using point-source γ-ray simulations, while the graph networks are evaluated using
diffuse γ-ray simulations. Hence, a further drop in performance can be expected for the BDT-
based classifier as it is comparatively more difficult to classify diffuse γ-ray simulations than
the point source ones from a diffuse proton background.

Finally, in Figure 8a and Figure 8b, we show the ROC curves obtained in two energy
bands of 0.1–1 TeV and 1–300 TeV for the cut data set with preselection cuts. To keep a
50% γ-ray efficiency (0.5 of true positive rate), we would misclassify 1 in 500 background
events (2 · 10−3 false positive rate) for the energy band of 0.1–1 TeV, which is about an order
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of magnitude better performance compared to the BDT-based method and a significant im-
provement. For higher energies above 1 TeV at 50% γ-ray efficiency, we would even misclassify
only 1 in ∼ 1500 background events, which is again an order of magnitude better than in the
case of the BDT-based method.

5 Conclusion

In this work, we presented a novel algorithm based on graph-convolutional networks for dis-
criminating between photon and hadron-initiated air showers using the images detected by
single or multiple Imaging Air Cherenkov Telescopes (IACTs). As an example IACT array,
we used simulated proton and photon events for the current configuration of H.E.S.S. By
interpreting the cleaned images as graphs, we overcame the inefficient and sparse images in
approaches based on convolutional neural networks enabling the application for large IACT ar-
rays featuring of different camera geometries, such as Cherenkov Telescope Array (CTA) [41].
For two different graph convolutional networks, we have demonstrated that graph networks
enable a more natural and efficient classification of IACT images. We studied our approach on
two different data sets and found similar results in both methods. For the mono dataset, only
the recently-added CT5 telescope was considered. Here, we found a performance enabling a
strong separation between protons and photons. In particular, we found a very promising
background rejection at low energies (below 1 TeV).
Using the stereo data set, we demonstrated that stereoscopic observations using the CT1
- CT4 telescopes can be analyzed with graph convolutional networks. We found that we
can significantly outperform the classical background rejection strategy based on BDTs using
deep learning. At a gamma-ray efficiency of 50%, the background rejection is improved by
roughly one order of magnitude. We further found a promising improvement compared to
previous deep-learning-based studies using H.E.S.S. simulation, where we found an improve-
ment in the data with and without preselection cuts. The finding that the performance of the
deep-learning-based algorithms does not strongly rely on the preselection cut is a promising
finding. It will enable to increase the statistics in future gamma-ray analyses of up to 50%
with an increase in background rejection almost a decade superior to the current generation
of classifiers.

This work comprises a novel study of graph networks for IACT images. We expect that
using future architecture optimizations, e.g., by including sophisticated attention mechanisms
between telescopes to resolve the stereoscopic nature of the images better, improving the im-
age cleaning, and considering pixel-timing will further enhance the performance. Finally, we
like to stress that it will be crucial to investigate the difference between data and simula-
tion [42, 43], including the night sky background and the instrument response, to exploit
the full potential of deep learning algorithms for telescope observations under real-operation
conditions.
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A Network architectures

A.1 EdgeConv

EdgeConv architecture
Layer features setting input shape output shape

EdgeConv nfeat �j : mean nnodes × 3 nnodes × nfeat
SiLU – – nnodes × nfeat nnodes × nfeat

EdgeConv nfeat �j : mean nnodes × nfeat nnodes × nfeat
SiLU – – nnodes × nfeat nnodes × nfeat

EdgeConv nfeat �j : mean nnodes × nfeat nnodes × nfeat
SiLU – – nnodes × nfeat nnodes × nfeat

EdgeConv nfeat �j : mean nnodes × nfeat nnodes × nfeat
SiLU – – nnodes × nfeat nnodes × nfeat

EdgeConv nfeat �j : mean nnodes × nfeat nnodes × nfeat
SiLU – – nnodes × nfeat nnodes × nfeat

EdgeConv nfeat �j : mean nnodes × nfeat nnodes × nfeat
SiLU – – nnodes × nfeat nnodes × nfeat
Concat – layer output 6 · (nnodes × nfeat) nnodes × 6 · nfeat
Concat – telescopes ntel · (nnodes × 6 · nfeat) nnodes × 6 · nfeat · ntel

MaxPooling – – nnodes × 6 · nfeat · ntel 6 · nfeat · ntel
Batchnorm – – nnodes × 6 · nfeat · ntel 6 · nfeat · ntel
Dropout – p = 0.5 6 · nfeat · ntel 6 · nfeat · ntel
Linear nfeat – 6 · nfeat · ntel nfeat

2×
{ ResNet nfeat – nfeat nfeat

Dropout – p = 0.5 nfeat nfeat
Linear 2 – nfeat 2
Softmax – – 2 2

Table 1: EdgeConv architecture for the analysis of mono and stereo IACT images. nnodes
denotes the number of nodes in the input graph, ntel the number of telescopes (one for mono,
four for stereo), and nfeat the number of features, which is 256 for the mono and 96 for the
stereo dataset.
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Kernel network hΘ
layer features settings
Linear nfeat no bias

Batchnorm – momentum=0.9
SiLU – –
Linear nfeat no bias

Batchnorm – momentum=0.9
SiLU – –
Linear nfeat no bias

Batchnorm – momentum=0.9
SiLU – –

(a) Architecture of the kernel function hΘ, where
nfeat is to be chosen by the user. For each layer, a
different kernel function was used.

Residual Module "ResNet"
layer features settings
Linear nfeat no bias
SiLU – –

Batchnorm – –
Linear nfeat no bias
SiLU – –

Batchnorm – –
Add – –
SiLU – –

(b) Details of our used ResNet modules.
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A.2 TAGConv

TAGConv architecture
Layer features setting input shape output shape

TAGConv nfeat agg: sum nnodes · 3 nnodes · nfeat
ReLU – – nnodes · nfeat nnodes · nfeat

TAGConv nfeat agg: sum nnodes · nfeat nnodes · nfeat
ReLU – – nnodes · nfeat nnodes · nfeat

TAGConv nfeat agg: sum nnodes · nfeat nnodes · nfeat
ReLU – – nnodes · nfeat nnodes · nfeat

TAGConv nfeat agg: sum nnodes · nfeat nnodes · nfeat
ReLU – – nnodes · nfeat nnodes · nfeat

TAGConv nfeat agg: sum nnodes · nfeat nnodes · nfeat
ReLU – – nnodes · nfeat nnodes · nfeat

TAGConv nfeat agg: sum nnodes · nfeat nnodes · nfeat
ReLU – – nnodes · nfeat nnodes · nfeat
Concat – layer output 6 · (nnodes · nfeat) nnodes · 6 · nfeat
Concat – telescopes ntel · (nnodes · 6 · nfeat) nnodes · 6 · nfeat · ntel

MaxPooling – – nnodes · 6 · nfeat · ntel 6 · nfeat · ntel
Batchnorm – – nnodes · 6 · nfeat · ntel 6 · nfeat · ntel
Dropout – p = 0.5 6 · nfeat · ntel 6 · nfeat · ntel
Linear nfeat – 6 · nfeat · ntel nfeat

2 ·
{ ResNet nfeat – nfeat nfeat

Dropout – p = 0.5 nfeat nfeat
Linear 2 – nfeat 2
Softmax – – 2 2

Table 3: TAGConv architecture used in this work to analyze H.E.S.S. mono and stereo
analysis configuration. nfeat denotes the number of features which is 150 for stereo and 130
for mono. "agg" means aggregation. nnodes corresponds to the number of nodes in the input
graph, and ntel is the number of telescopes (one for mono, four for stereo). The "ResNet" is
the same as shown in Table 2b.

A.3 Training parameters

Mono For training the EdgeConv model on the mono dataset (ntel = 1), a batch size of
128 samples was used with an initial learning rate of 1 · 10−3. Further, we set nfeat = 256.
For the TAGConv model, we use a batch size of 96 samples with an initial learning rate of
5 · 10−3. The number of features for the TAGConv model was 130. Additionally, for both
models learning rate was reduced, by multiplying with δ = 0.33, when the validation loss
did not decrease after five epochs. The training was stopped after the validation loss did not
decrease after ten epochs.

Stereo For training the EdgeConv model on the stereo dataset (ntel = 4), a batch size of
96 samples was used with an initial learning rate of 10−3. Further, we set nfeat = 96. For the
TAGConv model, we use a batch size of 96 samples with an initial learning rate of 5 · 10−3.
The number of features for the TAGConv model was 150. Additionally, for both models,
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the learning rate was reduced by multiplying with δ = 0.3 for EdgeConv, and δ = 0.33 for
TAGConv, when the validation loss did not decrease after five epochs. The training was
stopped after the validation loss did not decrease after ten epochs.
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ABSTRACT

The extremely high brightness temperatures of fast radio bursts (FRBs) imply that the radiation process must be coherent,
but the radiation mechanism is still unknown. The observed properties of narrow spectra and polarization distributions could be
used to constrain the radiation mechanism of FRBs. In this work, we discuss the implications of the spectra and polarizations of
FRBs from the perspective of intrinsic radiation mechanisms. We first analyze the observed relative spectral bandwidth of radio
bursts from an FRB repeater. Furthermore, we generally discuss the properties of the spectra and polarization of the radiation
mechanisms involving the relativistic particle’s perpendicular acceleration, which depends on the relation between the particle’s
deflection angle 𝜓 and the radiation beaming angle 1/𝛾. We find that: (1) If the narrow spectra of FRBs are attributed to the
intrinsic radiation mechanism of a single particle, the condition of 𝛾𝜓 � 1 would be necessary, in which scenario, the observed
number fraction between linearly and circularly polarized bursts of some FRB repeaters might be due to the propagation effects;
(2) Coherent process by multiple particles with some special distributions can lead to a narrow spectrum even for the scenario
with 𝛾𝜓 � 1; (3) If the observed number fraction between linearly and circularly polarized bursts is attributed to the radiation
mechanism with 𝛾𝜓 � 1, the cumulative distributions of the linear and circular polarization degrees would mainly depend on
the particle’s beaming distribution.

Key words:
radiation mechanisms: non-thermal – (transients:) fast radio bursts – polarization

1 INTRODUCTION

Fast radio bursts (FRBs) are millisecond-duration radio bursts with
extremely high brightness temperatures of 𝑇𝐵 ∼ 1035 K, which
suggests that their radiation mechanisms must be coherent. Some
coherent emission mechanisms have been invoked to interpret the
emissions of FRBs, including coherent radiation by charged bunches
(Katz 2014; Kumar et al. 2017; Yang & Zhang 2018b, 2023; Lu
et al. 2020; Cooper & Wĳers 2021; Wang et al. 2022b; Kumar
et al. 2022b; Qu et al. 2023), maser by hydrodynamic instabilities or
kinetic instabilities (Lyubarsky 2021; Beloborodov 2017; Waxman
2017; Metzger et al. 2019), coherent plasma radiation (Philippov
et al. 2020; Yang & Zhang 2021), etc. However, there is no smoking
gun to identify the radiation mechanism of FRBs so far. In addition to
the radiation mechanism, the physical origin of FRBs also remains
an unsolved puzzle due to the diversity of FRBs (see the recent
review of Zhang 2022a). FRB 200428 was detected to be associated
with a Galactic core-collapse magnetar SGR J1935+2154 (Bochenek
et al. 2020; CHIME/FRB Collaboration et al. 2020; Mereghetti et al.
2020; Li et al. 2021; Ridnaia et al. 2021; Tavani et al. 2021), implying
that at least some FRBs originate from the magnetars born from the

★ E-mail: ypyang@ynu.edu.cn (YPY)

core collapses of massive stars. However, the association between
FRB 20200120E and its host globular cluster with an extremely old
age challenges the core-collapse magnetar formation (Bhardwaj et al.
2021;Kirsten et al. 2022), whichmeans that it ismore likely produced
by an old object or a system associated with a compact binary merger
(Wang et al. 2016; Zhang 2020; Kremer et al. 2021; Lu et al. 2022).

Up to the present, hundreds of FRB sources have been detected,
and dozens of them show repeating behaviors (e.g., CHIME/FRB
Collaboration et al. 2021). The increasing number of detected FRBs
starts to shed light on the diversity among the phenomena, and the
properties of the observed spectra and polarizations provide impor-
tant information about the radiation mechanism of FRBs. The first
CHIME/FRB catalog identified four observed archetypes of burst
morphology (Pleunis et al. 2021), including simple broadband, sim-
ple narrow band, temporally complex, and downward drifting.Mean-
while, FRB repeaters’ bursts have a larger pulse duration, narrower
bandwidth, and lower brightness temperature than those of the one-
off FRBs, which might be due to a beaming, propagation effect, or
intrinsic populations. Zhou et al. (2022) recently reported over 600
bursts from the repeating FRB 20201124A during an active episode
and found that the sub-bursts of FRB 20201124A show narrow emis-
sion spectra with a center frequency of 1.09 GHz and a characteristic
width of ∼ 277MHz. FRB 20220912A also has many bursts with

© 2023 The Authors
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2 Yang

narrow spectral bandwidth (Zhang et al. 2023). For the bursts with
their spectra within the L band of the Five-hundred-meter Aperture
Spherical radio Telescope (FAST), the relative spectral bandwidth of
the radio bursts was found to be distributed nearΔa/a0 ∼ (0.1−0.2).
Furthermore, some FRBs show more extremely narrow bandwidth.
One burst of FRB 20190711A has a central frequency of 1.4GHz and
a full-width-at-half-maximum (FWHM) bandwidth of just 65 MHz,
and no evidence of any emission in the remaining part of the 3.3 GHz
band of the Ultra-wideband Low (UWL) receiver system of the
Parkes radio telescope (Kumar et al. 2021), which means that the
relative spectral bandwidth is only Δa/a0 ∼ 0.05.
The polarization observations of FRBs also show puzzling fea-

tures, which might originate from the radiation mechanism or prop-
agation effects as proposed by Qu & Zhang (2023). Many sources
appear 100% linearly polarized emission (e.g., Michilli et al. 2018),
and both constant and varying polarization angle have been observed
(e.g., Michilli et al. 2018; Luo et al. 2020). Some FRB repeaters
have a certain proportion of circularly polarized bursts. The bursts
of FRB 20201124A were found to be highly polarized with the total
degree of polarization larger than 90% for most bursts (Jiang et al.
2022), and some of them are circularly polarized with the largest
circular polarization degree reaching ∼ 75% (Kumar et al. 2022a;
Xu et al. 2022). The polarization distribution of FRB 20201124A
shows that the larger the circular polarization degree the fewer the
radio bursts (Jiang et al. 2022). FRB 20220912A with a high event
rate of 390 hr−1 show that most bursts appear nearly 100% linear
polarization degree and 45% of the bursts have circular polarization
with SNR > 3 (Zhang et al. 2023). Besides, two famous activate FRB
repeaters, FRB 121102 and FRB 190520B, also have a few bursts
with circular polarization of dozens of percent, but the number frac-
tion of the circularly polarized bursts are much fewer than those of
FRB 20201124A and FRB 20220912A (Feng et al. 2022).
In this work, we will discuss the physical origin of the observed

features of the spectra and polarizations of FRBs from the perspec-
tive of radiation mechanisms, aiming to explain the observed narrow
spectra and the polarization distribution of FRBs. The paper is or-
ganized as follows. In Section 2, we discuss the spectral bandwidth
distribution and possible physical origins of narrow spectra of FRBs.
In Section 3, we generally analyze the features of the spectra and
polarizations of the intrinsic radiation mechanisms, including the ra-
diation mechanisms with the particle’s deflection angle larger than
the radiation beaming angle in Section 3.1 and the opposite scenario
in Section 3.2, and the possible astrophysical scenarios are discussed
in the Section 3.3. The results are summarized and discussed in Sec-
tion 4. The convention 𝑄𝑥 = 𝑄/10𝑥 is adopted in cgs units unless
otherwise specified.

2 NARROW SPECTRA OF FRBS: OBSERVATION AND
PHYSICAL ORIGIN

2.1 Spectral bandwidth distribution of an FRBs repeater

Some FRBs, e.g., FRB 20190711A, FRB 20201124A, and FRB
20220912A, appear extremely narrow spectra within the bandwidth
of a telescope (e.g., Kumar et al. 2021; Zhou et al. 2022; Zhang
et al. 2023), implying that the spectra of at least some FRBs are
intrinsically narrow. In this section, we will discuss the implication
of the observed narrow bandwidths of FRBs, and emphasize that the
observed relative spectral bandwidth mainly depends on the intrinsic
spectral shape, definition of spectral bandwidth (e.g., flux-threshold-
dependent bandwidth, full width at half maximum, full width at tenth

maximum, etc.), and the telescope’s bandwidth.We first consider that
the intrinsic spectra of radio bursts from an FRB source have a general
form described by a broken power-law distribution,

𝐹a = 𝐹a,0


(
a

a0

)𝛼𝑙
, for a 6 a0,(

a

a0

)−𝛼ℎ
, for a > a0,

(1)

where 𝐹a,0 corresponds to the maximum flux at the peak frequency
a0. Notice that 𝛼𝑙 > 0 and 𝛼ℎ > 0 are assumed here, considering
that the flux 𝐹a vanishes at a → 0 or ∞. We define the telescope’s
threshold flux as 𝐹a,th, then the signal-to-noise ratio in the frequency
domain is 𝑆/𝑁 = 𝐹a,0/𝐹a,th if the telescope’s bandwidth is assumed
to be infinite. Thus, the flux-threshold-dependent relative spectral
bandwidth of a radio burst is

Δa

a0
'

(
𝑆

𝑁

) 1
𝛼ℎ −

(
𝑆

𝑁

)− 1
𝛼𝑙

. (2)

We can see that the relative spectral bandwidth Δa/a0 depends on
𝑆/𝑁 and the intrinsic spectral shape that is described by the above two
power-law indexes. In practical measurement, one usually defines the
spectral bandwidth via the fullwidth at halfmaximum (FWHM) (e.g.,
Kumar et al. 2021; Zhang et al. 2023) or via the full width at tenth
maximum (FWTM) (e.g., Pleunis et al. 2021) instead of that based
on 𝑆/𝑁 , which replace 𝑆/𝑁 with 2 and 10 in Eq.(2), respectively.
For example, for FWHM, the relative spectral bandwidth of a radio
burst is
Δa

a0
' 2

1
𝛼ℎ − 2−

1
𝛼𝑙 . (3)

Since such a defined (FWHM or FWTM) relative spectral bandwidth
only depend on the intrinsic spectral shape, the Δa/a0 distribution
of an FRB repeater should be narrow for a given intrinsic radiation
mechanism. Most intrinsic radiation mechanisms involved in vari-
ous astrophysical scenarios have a low-frequency spectral index of
𝛼𝑙 < 3, see Table 1 in detail. For example, the synchrotron self-
absorption has a low-frequency spectral index of 𝛼 = 5/2 (Rybicki
& Lightman 1986) and the curvature radiation by a bunch-cavity (or
electron-positron) pair has a low-frequency spectral index of 𝛼 = 8/3
(Yang et al. 2020; Yang & Zhang 2023). Thus, for these radiation
mechanisms with 𝛼𝑙 < 3, the relative spectral bandwidth for FWHM
should satisfy

Δa

a0
> 0.2, (4)

according to Eq.(3).
Assuming that the intrinsic spectrum is consistent with that of the

curvature radiation, one approximately has 𝛼𝑙 ' 2/3 and 𝛼ℎ → ∞
(Yang & Zhang 2018b, 2023). For a radio burst with 𝑆/𝑁 ∼ 10,
the flux-threshold-dependent relative spectral bandwidth is predicted
to be Δa/a0 ' 0.97, which corresponds to a wide spectrum. Ac-
cording to Eq.(3), the relative spectral bandwidth for FWHM is
Δa/a0 ' 0.65. If the signal-to-noise ratio is relatively small with
𝑆/𝑁 ∼ 5, the flux-threshold-dependent relative spectral bandwidth
would beΔa/a0 ' 0.91 that appears narrower than that for 𝑆/𝑁 ∼ 10,
but the relative spectral bandwidth for FWHM keeps unchanged. In
particular, for FRB 20190711A with an extremely narrow FWHM
spectral bandwidth of Δa/a0 ∼ 0.05 (Kumar et al. 2021), one has
(𝛼𝑙 , 𝛼ℎ) & 14, implying an extremely narrow intrinsic spectrum
that should involve some special mechanisms, see the discussion in
Section 2.2.
In reality, the bandwidth Δa𝑡 of a radio telescope is usually narrow
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Table 1. Summary of the low-frequency spectral index 𝛼𝑙 for various radiation mechanisms

Radiation mechanisms Low-frequency spectral index 𝛼𝑙 References

Curvature radiation by a single charged particle 2/3 Jackson (1998); Yang & Zhang (2018b)

Curvature radiation by a bunch-cavity (or electron-positron) pair 8/3 Yang et al. (2020); Yang & Zhang (2023)

Curvature radiation by fluctuating bunches 0 Yang & Zhang (2023)

Synchrotron radiation by particles with a random pitch-angle distribution 1/3 Jackson (1998); Rybicki & Lightman (1986)

Synchrotron radiation by particles with a narrow pitch-angle distribution 2/3 Yang & Zhang (2018a)

Synchrotron self-absorption 5/2 Rybicki & Lightman (1986)

Jitter radiation 1 Medvedev (2000); Dermer & Menon (2009)

Blackbody radiation 2 Rybicki & Lightman (1986)

Bremsstrahlung radiation 0 Rybicki & Lightman (1986)

Inverse Compton scattering Depend on incident photon spectrum Rybicki & Lightman (1986); Zhang (2022b)

compared with the telescope’s central frequency a0,𝑡 , Δa𝑡 � a0,𝑡 .
For example, the L band of FAST is from 1 GHz to 1.5 GHz, i.e.,
a0,𝑡 = 1.25 GHz and Δa𝑡 = 0.5 GHz. Due to the limited telescope’s
bandwidth, many observed spectra of FRBs are usually incomplete.
In particular, if the peak frequency of a radio burst is outside the
telescope’s bandwidth, the FWHM (or FWTM) bandwidth would
become invalid to describe the intrinsic spectral shape, because the
observed flux is peaked at one end of the telescope’s band rather than
the intrinsic peak frequency. In this case, the definition of the flux-
threshold-dependent spectral bandwidth might be more meaningful
in observation.
If a radio burst is observable for a certain telescope, its emis-

sion must be in the telescope’s bandwidth, leading to the following
condition:

a0 +
Δa

2
> a0,𝑡 −

Δa𝑡

2
and a0 −

Δa

2
< a0,𝑡 +

Δa𝑡

2
. (5)

The observed peak frequency a0,obs (not the intrinsic peak frequency)
of an observable FRB is usually thought to be in the telescope’s
bandwidth,

a0,obs ∈
[
a0,𝑡 −

Δa𝑡

2
, a0,𝑡 +

Δa𝑡

2

]
, (6)

although the intrinsic peak frequency a0 might be estimated outside
the telescope’s bandwidth based on the observed spectral shape. The
observed spectral bandwidth of an observable FRB is

Δaobs = min
(
a0 +

Δa

2
, a0,𝑡 +

Δa𝑡

2

)
−max

(
a0 −

Δa

2
, a0,𝑡 −

Δa𝑡

2

)
.

(7)

Since the telescope’s bandwidth is usually narrow, the distribution
of the intrinsic peak frequency a0 of an FRB repeater could be
approximately assumed to be uniformnear the telescope’s bandwidth,
i.e., the distribution function of a0 could be approximately described
by

𝑓 (a0) ∼ const. (8)

We make a Monte Carlo simulation to generate the distribution of
the observed spectral bandwidth Δaobs of the radio bursts from an
FRB repeater, as shown in Figure 1. The distribution of Δa0,obs/aobs
is approximately consistent with the distribution of Δaobs due to
a0,obs ∼ a𝑡 . We take a0,𝑡 = 1.25 GHz and Δa𝑡 = 0.5 GHz that are
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Figure 1. The simulated observed spectral bandwidth distribution of radio
bursts from an FRB repeater. The purple, yellow, and blue bars correspond
to the different relative spectral bandwidths with Δa/a0 = 0.1, 0.5 and 1,
respectively. We take a0,𝑡 = 1.25 GHz and Δa𝑡 = 0.5 GHz for the telescope’s
parameters. The intrinsic peak frequencies a0 of the radio bursts are assumed
to be uniformly distributed near the telescope’s bandwidths, i.e., 𝑓 (a0) =

const.

consistent with the L band of FAST. For Δa/a0 = 0.1, the observed
spectral bandwidth Δaobs of most bursts are consistent with the in-
trinsic ones due to Δa < Δa𝑡 . For Δa/a0 = 1, since many bursts have
Δa > Δa𝑡 , the observed spectral bandwidth Δaobs of most bursts
would be constrained by the bandwidth of the telescope, leading to
Δaobs ∼ Δa𝑡 . Very few bursts have Δaobs < Δa𝑡 , because only a
part of one end (low-frequency end or high-frequency end) of the
intrinsic spectral bandwidth Δa is within the telescope’s bandwidth.
Considering that many radio bursts are incomplete in the frequency
domain due to the narrow telescope’s bandwidth, the observed spec-
tral bandwidth distribution of radio bursts from an FRB repeater
could be used to test whether most of the bursts’ spectra of an FRB
source are intrinsically narrow.

2.2 Physical origin of FRB narrow spectra

Next, we discuss the possible physical origin of the intrinsic narrow
spectra of FRBs. We consider that a finite pulse of electromagnetic
wave has the form of ®𝐸 (𝑡) = ®𝐸 ‖ (𝑡) + ®𝐸⊥ (𝑡), where ®𝐸 ‖ (𝑡) and ®𝐸⊥ (𝑡)
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are a pair of orthogonal components of ®𝐸 (𝑡). The properties of ®𝐸 (𝑡)
vary with time and vanishes sufficiently rapidly for 𝑡 → ±∞, and the
power spectrum of ®𝐸 (𝑡) satisfies |𝐸 (𝜔) |2 = |𝐸 ‖ (𝜔) |2 + |𝐸⊥ (𝜔) |2.
Since the two orthogonal components are independent, let us treat
only one of the two components, ®𝐸𝑘 (𝑡) with 𝑘 =‖,⊥. In particular, if
an observed spectrum |𝐸 (𝜔) |2 appears narrow, the main component
between |𝐸 ‖ (𝜔) |2 and |𝐸⊥ (𝜔) |2 must also be narrow.
Without loss of generality, the spectrum of the main component

could be roughly described by a rectangular profile with a central
frequency 𝜔0,𝑘 and a spectral bandwidth Δ𝜔𝑘 ,

|𝐸𝑘 (𝜔) |2 ∝ rect
(
𝜔 − 𝜔0,𝑘
Δ𝜔𝑘

)
, (9)

where rect(𝑥) is the rectangular function that is defined as rect(𝑥) ≡
1 for |𝑥 | 6 1/2 and rect(𝑥) ≡ 0 for |𝑥 | > 1/2. Thus, 𝐸𝑘 (𝜔) as the
Fourier transformation of 𝐸𝑘 (𝑡) is given by

𝐸𝑘 (𝜔) ∝ rect
(
𝜔 − 𝜔0,𝑘
Δ𝜔𝑘

)
𝑒𝑖𝜙𝑘 , (10)

where 𝜙𝑘 is a phase argument. Generally, 𝜙𝑘 cannot be directly ob-
tained only based on the information of the power spectrum |𝐸𝑘 (𝜔) |2,
but for a selected appropriate pair of orthogonal components, 𝐸 ‖ (𝜔)
and 𝐸⊥ (𝜔) might be a pair of real and imaginary numbers, i.e.,
Im[𝐸 ‖ (𝜔)] = 𝐸 ‖ (𝜔) and Re[𝐸⊥ (𝜔)] = 𝐸⊥ (𝜔), see the following
discussions in Section 3.1 and Section 3.2, leading to 𝜙𝑘 (𝜔) = 𝑛𝜋/2
with 𝑛 ∈ Z. In this case, one may take 𝜙𝑘 = const. According to the
properties of the Fourier transform, the corresponding pulse profile
is

𝐸𝑘 (𝑡) ∝
Δ𝜔𝑘√
2𝜋
sinc

Δ𝜔𝑘 𝑡

2
𝑒−𝑖 (𝜔0,𝑘 𝑡−𝜙𝑘 ) , (11)

where sinc(𝑥) ≡ sin 𝑥/𝑥. In Figure 2, we plot the pulse profile 𝐸𝑘 (𝑡)
based on Eq.(11). The top panel shows the scenario with a narrow
spectrum of Δ𝜔𝑘/𝜔0,𝑘 = 0.1 and the bottom panel shows the sce-
nario with a wide spectrum of Δ𝜔𝑘/𝜔0,𝑘 = 1. We can see that a nar-
row spectrum with Δ𝜔𝑘/𝜔0,𝑘 � 1 implies that the electromagnetic
signal would be quasi-sinusoid with a frequency of 𝜔 ∼ 𝜔0,𝑘 and a
typical pulse duration of 𝑇 ∼ 4𝜋/Δ𝜔𝑘 . There are some possibilities
to generate the quasi-sinusoid electromagnetic pulse in physics:
(1) The quasi-sinusoid signal is produced by the intrinsic radiation

mechanism of a single accelerated charged particle, and the particle
motion is required to be periodic during its radiation beam pointing
to the observer. We will mainly discuss this scenario in Section 3.2.
(2) The quasi-sinusoid signal is generated by the coherence of the

radiation process of multiple charged particles with some special
distributions. One of the possibilities is that the charged particle
distribution is periodic in the time domain. For example, we consider
a medium containing multiple radiating particles with a number of
𝑁 . Each radiating particle emits a pulse of 𝐸0 (𝑡) with the same shape
but with different arrival times. Thus, the total field from the multiple
radiating particles is given by

𝐸 (𝑡) =
𝑁∑︁
𝑗

𝐸0 (𝑡 − 𝑡 𝑗 ). (12)

According to the time-shifting property of the Fourier transform, the
power spectrum of multiple radiating particles is

|𝐸 (𝜔) |2 = |𝐸0 (𝜔) |2
������ 𝑁∑︁𝑗 𝑒𝑖𝜔𝑡 𝑗

������
2

, (13)

where |𝐸0 (𝜔) |2 corresponds to the power spectrum of the first radiat-
ing particle. The coherence properties of the radiation by themultiple
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Figure 2. The electric field evolution of a pulse of electromagnetic wave with
a rectangular power spectrum given by Eq.(9). The top panel corresponds to
the scenario with a narrow spectrum of Δ𝜔𝑘/𝜔0,𝑘 = 0.1, and the bottom
panel corresponds to the scenario with a wide spectrum of Δ𝜔𝑘/𝜔0,𝑘 = 1.
The phase argument is taken as 𝜙𝑘 = 0 here.

particles are determined by the factor of |∑𝑁
𝑗
exp(𝑖𝜔𝑡 𝑗 ) |2. If themul-

tiple particles are periodically distributed, one has 𝑖𝜔𝑡 𝑗 = 𝑖 𝑗𝜔/𝜔𝑚,
where 1/𝜔𝑚 = const. corresponds to the time separation between two
adjacent particles in the time domain. We define 𝑧 = exp(𝑖𝜔/𝜔𝑚),
the modulus square of the sum of the phase factor in Eq.(13) is
calculated by������ 𝑁∑︁𝑗=1 𝑧 𝑗

������
2

=

����𝑧 𝑧𝑁 − 1
𝑧 − 1

����2 = 2 − 𝑧𝑁 − 𝑧∗𝑁
2 − 𝑧 − 𝑧∗

=
1 − cos(𝑁𝜔/𝜔𝑚)
1 − cos(𝜔/𝜔𝑚)

=
sin2 (𝑁𝜔/2𝜔𝑚)
sin2 (𝜔/2𝜔𝑚)

. (14)

where 𝑧∗ is the conjugation of the complex number 𝑧, and the geomet-
ric sequence summation is used in the above calculation. Therefore,
the power spectrum by the multiple particles with a periodic distri-
bution is given by

|𝐸 (𝜔) |2 = |𝐸0 (𝜔) |2 sin2
(
𝑁𝜔

2𝜔𝑚

)
sin−2

(
𝜔

2𝜔𝑚

)
. (15)

The radiation is coherently amplified for sin2 (𝜔/2𝜔𝑚) ∼ 0, leading
to the coherent peak frequencies at 𝜔/𝜔𝑚 = 2𝑛𝜋 with 𝑛 ∈ Z+. In
Figure 3, we plot the power spectrum of the multiple radiating parti-
cles with a periodic distribution according to Eq.(15). The spectrum
of a single particle is assumed to be |𝐸0 (𝜔) |2 ∝ 𝜔2/3 exp(−𝜔/𝜔𝑐)
(corresponding to the spectrum of the curvature radiation by a single
particle) as an example, and 𝑁 = 104 and 𝜔𝑚 = 𝜔𝑐 are taken. We
can see that the coherent energy is radiated into multiples of 2𝜋𝜔𝑚
with narrow bandwidths. Note that the wave at a very low frequency
is also significantly coherent due to the finite duration of the particle

MNRAS 000, 1–14 (2023)



Spectra and Polarizations of FRBs 5

-1.0 -0.5 0.0 0.5 1.0 1.5 2.0
-6

-4

-2

0

2

4

Log@wêwcD

Lo
g@»E
HwL

2 êa.
u.
D

Figure 3. The spectrum of multiple radiating particles with a periodic distri-
bution in the time domain. A curvature-radiation-like spectrum for a single
particle, |𝐸0 (𝜔) |2 ∝ 𝜔2/3 exp(−𝜔/𝜔𝑐) , is taken as an example in this
figure. We take 𝜔𝑚 = 𝜔𝑐 and 𝑁 = 104. The peak frequency is at 2𝑛𝜋𝜔𝑚

with 𝑛 ∈ Z+.

train, but it is very likely to be absorbed due to various absorption
mechanisms, e.g., plasma absorption, synchrotron-self absorption,
etc.
(3) The quasi-sinusoid signal is attributed to the plasma resonant

process. In unmagnetized plasma, the resonance condition for a par-
ticle with velocity ®𝑣 follows by considering the wave phase at the
position of the particle to be time-independent, leading to

𝜔 − ®𝑘 (𝜔) · ®𝑣 = 0. (16)

For example, Cherenkov radiation is confined within the Cherenkov
cone and moves outward in a direction normal to the cone, and
the radiation energy is mainly at the resonant frequency given by
Eq.(16). It is noteworthy that the charged particle is not required to
be accelerated for Cherenkov radiation, which is different from that
discussed in the case (1). Furthermore, in magnetized plasma, the
gyroresonance condition is given by

𝜔 − ®𝑘 (𝜔) · ®𝑣 − 𝑠𝜔𝐵 = 0 with 𝑠 ∈ Z, (17)

where 𝜔𝐵 = 𝑒𝐵/𝛾𝑚𝑒𝑐 is the cyclotron frequency, 𝐵 is the magnetic
field strength, 𝛾 is the particle’s Lorentz factor. The spectral band-
widthsΔ𝜔 in these scenarios depend on the distributions of particles’
velocity and magnetic fields, which is beyond the scope of this work.

3 RADIATIONS BY ACCELERATED CHARGED
PARTICLES: SPECTRA AND POLARIZATIONS

In this section, we generally analyze the features of the spectra and
polarizations of the radiation by charged accelerated particles, which
are applicable to most radiation mechanisms in various astrophysical
scenarios. We consider that a particle with a charge 𝑞 moves on a
trajectory ®𝑟0 (𝑡 ′) with velocity ®𝛽(𝑡 ′)𝑐 and acceleration ¤®𝛽(𝑡 ′)𝑐, where
𝑡 ′ is the retarded time. The line-of-sight direction is ®𝑛 and the distance
between the particle and the observer is 𝑅. The radiation field at (®𝑟, 𝑡)
is given by (e.g., Rybicki & Lightman 1986)

®𝐸 (®𝑟, 𝑡) = 𝑞

𝑐

[
®𝑛
^3𝑅

× {(®𝑛 − ®𝛽) × ¤®𝛽}
]
rec
,

®𝐵(®𝑟, 𝑡) =
[
®𝑛 × ®𝐸

]
rec
, (18)

where ^ ≡ 1 − ®𝑛 · ®𝛽, the quantities in the square bracket, [...]rec,
are evaluated at the retarded time 𝑡 ′. The radiation energy per unit

(a)

(b)

𝝍

1/𝜸

Figure 4. Emission from various points along the trajectory of a relativistic
particle. Panel (a) 𝛾𝜓 � 1: the emission from some parts (bold portions)
of the trajectory is observable. Panel (b) 𝛾𝜓 � 1: emission from the entire
trajectory is observable.

frequency interval per unit solid angle is

E𝜔 ≡ 𝑑𝑊

𝑑𝜔𝑑Ω
=

𝑞2

4𝜋2𝑐

����∫ ∞

−∞

[
^−3®𝑛 × {(®𝑛 − ®𝛽) × ¤®𝛽}

]
rec
𝑒𝑖𝜔𝑡𝑑𝑡

����2
(19)

=
𝑞2𝜔2

4𝜋2𝑐

����∫ ®𝑛 × (®𝑛 × ®𝛽) exp
[
𝑖𝜔(𝑡 ′ − ®𝑛 · ®𝑟0 (𝑡 ′)/𝑐)

]
𝑑𝑡 ′

����2 (20)

=
𝑒2𝜔2

4𝜋2𝑐
��− ®𝜖 ‖𝐴‖ (𝜔) + ®𝜖⊥𝐴⊥ (𝜔)

��2 , (21)

where 𝐴‖ and 𝐴⊥ are two orthogonal components perpendicular to
the line of sight. The linear polarization degree is

𝜋𝐿 =

�������
[
(𝐴‖𝐴

∗
‖ − 𝐴⊥𝐴

∗
⊥)2 + (𝐴‖𝐴

∗
⊥ + 𝐴⊥𝐴∗‖)

2
]1/2

𝐴‖𝐴
∗
‖ + 𝐴⊥𝐴

∗
⊥

������� , (22)

and the circular polarization degree is

𝜋𝑉 =

�����1𝑖 𝐴‖𝐴
∗
⊥ − 𝐴⊥𝐴∗‖

𝐴‖𝐴
∗
‖ + 𝐴⊥𝐴

∗
⊥

����� . (23)

It should be noted that the E𝜔 corresponds to the total radiation
energy in an entire pulse. If the radiation pulse repeats on average
time𝑇 , the above radiation energy could be converted to the radiation
power (Rybicki & Lightman 1986)

P𝜔 ≡ 1
𝑇

𝑑𝑊

𝑑𝜔𝑑Ω
=

E𝜔
𝑇
. (24)

The radiation of a charged particle with Lorentz factor 𝛾 under-
going arbitrary is a coherent superposition with the contributions
from the accelerations parallel to and perpendicular to the particle’s
velocity. For comparable parallel and perpendicular forces, the radi-
ation from the parallel component is of order 1/𝛾2 compared to that
from the perpendicular component. Thus one usually neglects the
parallel acceleration1. The radiation spectrum of the perpendicular

1 We should notice that the parallel acceleration could be dominant under
the scattering process. For example, if the incident electromagnetic wave is
linear polarized and weak (the Lorentz force by the magnetic field component
is much weaker than the electric field force), the charged particle would be
linearly accelerated by the oscillating electric field (the scenario for strong
wave could be seen in Yang & Zhang (2020)). Besides, under the magne-
tosphere of a neutron star, even if the incident wave is circularly polarized
or strong, the charged particle can only oscillate along the field lines due to
the existence of a strong background magnetic field and emit the scattering
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component depends on the relation between the particle’s deflection
angle 𝜓 and the radiation beaming angle ∼ 1/𝛾 (Landau & Lifshitz
1975), as shown in Figure 4. The particle’s deflection angle 𝜓 is de-
termined as follows. The particle’s momentum is 𝑝 ∼ 𝛾𝑚𝑒𝑐, and the
change in the perpendicular momentum due to a transverse force 𝐹⊥
is 𝑝⊥ ∼ 𝐹⊥Δ𝑡acc (Δ𝑡acc is the time during which the particle accel-
eration changes significantly). Thus, the particle’s deflection angle
is

𝜓 ∼ 𝑝⊥
𝑝

∼ 𝐹⊥Δ𝑡acc
𝛾𝑚𝑒𝑐

, leading to 𝛾𝜓 ∼ 𝐹⊥Δ𝑡acc
𝑚𝑒𝑐

. (25)

If 𝛾𝜓 � 1, i.e., the particle’s deflection angle is much larger than the
radiation beaming angle, the observer will see radiation from a short
segment of the electron’s trajectory that is nearly parallel to the line
of sight, as shown in the panel (a) of Figure 4, which corresponds
to the scenarios of curvature radiation (e.g., Jackson 1998; Yang
& Zhang 2018b, 2023), traditional (large-pitch-angle) synchrotron
radiation (e.g., Ginzburg & Syrovatskii 1969; Jackson 1998; Rybicki
& Lightman 1986), etc. If 𝛾𝜓 � 1, i.e., the particle’s deflection angle
is much smaller than the radiation beaming angle, the particle’s entire
trajectory would be seen by the observer, as shown in the panel (b)
of Figure 4, which corresponds to the small-pitch-angle synchrotron
radiation (e.g., Epstein 1973), jitter radiation (e.g., Medvedev 2000),
etc. In the following discussion, we will discuss the case of 𝛾𝜓 � 1
in Section 3.1 and the case of 𝛾𝜓 � 1 in Section 3.2.

3.1 Deflection angle larger than radiation beaming angle

In the scenario with 𝛾𝜓 � 1, the radiation is equivalent to the
radiation by the particle moving instantaneously at constant speed on
an appropriate circular path (Jackson 1998), as shown in the panel (a)
of Figure 4. We consider that the acceleration curvature radius is 𝜌,
the angle between the line of sight and the trajectory plane is \, and
the radiation angular frequency is 𝜔. The radiation energy per unit
frequency interval per unit solid angle is given by the above equation
with (Jackson 1998)

𝐴‖ (𝜔) =
2𝑖
√
3
𝜌

𝑐

(
1
𝛾2

+ \2
)
𝐾2/3 (b), (26)

𝐴⊥ (𝜔) =
2
√
3
𝜌\

𝑐

(
1
𝛾2

+ \2
)1/2

𝐾1/3 (b), (27)

and

b ≡ 1
2
�̂�

(
1 + 𝛾2\2

)3/2
with �̂� ≡ 𝜔

𝜔𝑐
, (28)

where𝜔𝑐 = 3𝛾3𝑐/2𝜌 is the typical radiation frequency. The radiation
energy per unit frequency interval per unit solid angle is

E𝜔 =
3𝑒2

4𝜋2𝑐
𝛾2�̂�2 (1 + 𝛾2\2)2

[
𝐾22/3 (b) +

1
1/𝛾2\2 + 1

𝐾21/3 (b)
]
.

(29)

The spectrum E𝜔 of a single radiating particle is intrinsically wide
(Jackson 1998; Yang & Zhang 2018b), Δ𝜔/𝜔0 ∼ 1 (see Section
2.1), as shown in Figure 5. The spectrum satisfies the power-law
distribution with E𝜔 ∝ �̂�2/3 at the low frequency and appears an
exponential decay at the high frequency. Meanwhile, the larger the
viewing angle 𝛾\, the lower the cutoff frequency. A relatively narrow
spectrum could be generated by the coherent curvature radiation from

wave due to the parallel acceleration (Beloborodov 2022; Zhang 2022b; Qu
& Zhang 2023).
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Figure 5. The spectrum given by Eq.(29) that is applicable for the scenario
with the particle’s deflection angle larger than the radiation beaming angle,
𝛾𝜓 � 1. The black, red, and blue lines correspond to 𝛾\ = 0.1, 1 and 3,
respectively. The unit of E𝜔 is arbitrary.

a structured bunch (Yang et al. 2020; Yang & Zhang 2023), but it is
still hard to explain the observed extremely narrow spectrum of FRB
20190711 with Δa/a ∼ 0.05. In particular, the dynamic fluctuation
of the bunches would also make the spectrum show a white noise,
especially at the low-frequency band (Yang & Zhang 2023). One
possibility to generate a narrow spectrum via the curvature radiation
is that the bunches along a field line are periodically distributed due to
some plasma effects, like resonant Langmuirwave, inwhich scenario,
the radiation could be amplified at some harmonic frequencies as
discussed above, see Eq.(15) and Figure 3.
According to Eq.(29) and using the property of Bessel function,

𝐾a (𝑥) ∼
√︁
𝜋/2𝑥 exp(−𝑥) for 𝑥 � 1, the radiation energy falls off in

angle approximately as

E𝜔 ∼ E𝜔,0 exp
(
−�̂�𝛾3\3

)
, (30)

where E𝜔,0 ≡ E𝜔 (\ = 0) and E𝜔 ∝ 𝐾2a (b) is used. We consider
that only the burst with radiation energy

E𝜔 > [−1𝑐 E𝜔,0 with [𝑐 > 1 (31)

could be observed due to the constraint of a detector’s sensitivity,
leading to

𝛾\ < 𝛾\th ≡
(
1
�̂�
ln [𝑐

)1/3
. (32)

Only the bursts with viewing angle \ < \th are observable. Notice
that the distribution of the intrinsic burst energies is neglected, and
here we are mainly interested in the suppression effect by the viewing
direction. According to Eq.(22), Eq.(23), Eq.(26) and Eq.(27), the
linear polarization degree is

𝜋𝐿 =

������𝐾
2
2/3 (b) − 1/(1/𝛾

2\2 + 1)𝐾21/3 (b)

𝐾22/3 (b) + 1/(1/𝛾
2\2 + 1)𝐾21/3 (b)

������ , (33)

and the circular polarization degree is

𝜋𝑉 =

������2/(1/𝛾2\2 + 1)1/2𝐾2/3 (b)𝐾1/3 (b)𝐾22/3 (b) + 1/(1/𝛾
2\2 + 1)𝐾21/3 (b)

������ . (34)

Similar to the spectrum given by E𝜔 , both 𝜋𝐿 and 𝜋𝑉 are also the
functions as the variables (�̂�, 𝛾\). In Figure 6, we plot the linear and
circular polarization degrees Π𝑖 with 𝑖 = 𝐿 and 𝑉 as the functions

MNRAS 000, 1–14 (2023)



Spectra and Polarizations of FRBs 7

-5 -4 -3 -2 -1 0 1 2
0.0

0.2

0.4

0.6

0.8

1.0

Log@ẁD
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Figure 6. The relations between the polarization degree Π and the dimen-
sionless frequency �̂� and the viewing angle 𝛾\ for a single radiating particle
with 𝛾𝜓 � 1. The blue and red lines correspond to the linear and circular po-
larization degrees, respectively. The top panel shows the polarization degree
Π as the function of the dimensionless frequency �̂�. The solid, dashed, and
dotted lines correspond to 𝛾\ = 0.1, 1 and 3, respectively. The bottom panel
shows the polarization degreeΠ as the function of the viewing angle 𝛾\ . The
solid, dashed, and dotted lines correspond to �̂� = 0.1, 1 and 3, respectively.

of the dimensionless frequency �̂� and the viewing angle 𝛾\, respec-
tively. For a certain viewing angle 𝛾\, the higher the frequency �̂�, the
lower (higher) the linear (circular) polarization degree. For a certain
frequency �̂�, the larger the viewing angle 𝛾\, the lower (higher) the
linear (circular) polarization degree. Thus, the high circular polariza-
tion degree should be attributed to the off-beam observation (Wang
et al. 2022a; Liu et al. 2023; Qu & Zhang 2023).
Furthermore, we consider that multiple radiating particles are uni-

formly distributed in a fan beam with an opening angle Θ 𝑗 , and the
viewing angle is Θ. The spectrum of the radiation by multiple par-
ticles is usually wide with the exception of the particles with some
special (e.g., periodic) distributions as pointed out above. Since the
spectrum by multiple particles has been discussed in detail in Yang
& Zhang (2018b, 2023), we will not repeat it here. In the follow-
ing discussion, we mainly focus on the polarization properties of
multiple particles. According to the polarization properties given by
Eq.(33) and Eq.(34), the polarization is 100% linear when the view-
ing direction is on the trajectory plane, and most radiation energy is
emitted near the trajectory plane. The larger the viewing angle, the
higher the circular polarization degree. Since the circular polariza-
tions on the different sides of the trajectory plane are opposite, in
the particles’ beam center the coherent sum of the circular polariza-
tions will be canceled, leading to the linear polarization dominated.
A detailed analysis was also discussed in Wang et al. (2022b) and
Liu et al. (2023). Therefore, the linear polarization degree could be

approximately given by

Π𝐿 '
{
1, for Θ 6 Θ 𝑗 ,

𝜋𝐿 (Θ − Θ 𝑗 ), for Θ > Θ 𝑗 ,
(35)

and the circular polarization degree could be approximately given by

Π𝑉 '
{
0, for Θ 6 Θ 𝑗 ,

𝜋𝑉 (Θ − Θ 𝑗 ), for Θ > Θ 𝑗 ,
(36)

Since the view direction related to the trajectory plane is random, the
number of the bursts emitting within (Θ,Θ + 𝑑Θ) is 2

𝑁 (Θ)𝑑Θ =
1

(Θ 𝑗 + \th)
𝑑Θ, (37)

where \th is given by Eq.(32), and Θ 𝑗 + \th corresponds to the
threshold angle above which the observed flux would be less than the
telescope’s flux threshold. Therefore, the cumulative distribution of
the linear and circular polarization degrees are

𝑁 (> Π𝐿) =
𝛾Θ 𝑗 + (𝛾\) (Π𝐿)
𝛾Θ 𝑗 + 𝛾\th

, (38)

𝑁 (> Π𝑉 ) = 𝛾\th − (𝛾\) (Π𝑉 )
(𝛾Θ 𝑗 + 𝛾\th)

, (39)

for (𝛾\) (Π𝑖) 6 𝛾\th with 𝑖 = 𝐿,𝑉 , respectively, where (𝛾\) (Π𝑖) is
the inverse function of 𝜋𝑖 (𝛾\) given by Eq.(33) and Eq.(34).
In Figure 7, we plot the cumulative distributions of the linear and

circular polarization degrees according to Eq.(38) and Eq.(39). The
cumulative distributions of the polarization degrees depend on the
telescope’s flux threshold [𝑐 , the particles’ beaming angle 𝛾Θ 𝑗 , and
observed frequency �̂�.We can see that: (1) The higher the telescope’s
sensitivity, the lower the number fraction between the linearly and
circularly polarized bursts. The reason is that most high circularly po-
larized bursts have relatively low fluxes due to large values of 𝛾\. (2)
The larger the particles’ beaming angle, the higher the number frac-
tion between the linearly and circularly polarized bursts. If 𝛾Θ 𝑗 � 1,
most bursts would have Π𝐿 ∼ 1 and Π𝑉 ∼ 0. A moderate number
fraction between linearly polarized bursts and circularly polarized
bursts as shown in FRB 20201124A (Xu et al. 2022; Jiang et al.
2022) requires that 𝛾Θ 𝑗 ∼ 1. (3) The higher the observed frequency,
the higher the number fraction between the linearly and circularly
polarized bursts. The reason is that the threshold viewing angle 𝛾\th
is significantly suppressed at the high frequency (see Eq.(32)), lead-
ing to the relative number of the bursts from the particle beaming
angle Θ 𝑗 becoming larger.

3.2 Deflection angle smaller than radiation beaming angle

In the scenario with 𝛾𝜓 � 1, the charged particle moves along the
line of sight with an almost constant velocity ®𝛽 but with a varying
acceleration ¤®𝛽, as shown in the panel (b) of Figure 4. According
to Eq.(19), the radiation energy per unit frequency interval per unit
solid angle could be written as (also see Landau & Lifshitz 1975)

E𝜔 =
𝑞2

4𝜋2𝑐

(𝜔
�̃�

)4 ���®𝑛 × [
(®𝑛 − ®𝛽) × ¤®𝛽�̃�

] ���2 (40)

2 Notice that the distribution of the viewing direction should be not
𝑁 (Θ)𝑑Θ = sinΘ𝑑Θ in this scenario, because the viewing direction is related
to the trajectory plane of the accelerated particle, see Figure 14.9 and Section
14 in Jackson (1998) for a detail discussion.
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Figure 7. The cumulative distribution of the linear (top panels) and circular (bottom panels) polarization degrees for the radiation by multiple particles with
𝛾𝜓 � 1. Notice that the cumulative distribution of the circular polarization degrees is 𝑁 (> Π𝑉 = 0) = 1 at Π𝑉 = 0 and decreases significantly once Π𝑉 > 0.
The component of 𝑁 (> Π𝑉 = 0) = 1 at Π𝑉 = 0 is not shown in the bottom panels. The distribution function of the viewing direction is assumed to satisfy
Eq.(37). In the left panels: the solid, dashed, and dotted lines correspond to [𝑐 = 10, 100 and 1000, respectively for �̂� = 1 and 𝛾Θ 𝑗 = 10. In the middle panels:
the solid, dashed, and dotted lines correspond to 𝛾Θ 𝑗 = 3, 10 and 100, respectively for �̂� = 1 and [𝑐 = 100. In the right panels: the solid, dashed, and dotted
lines correspond to �̂� = 0.1, 1 and 3, respectively for 𝛾Θ 𝑗 = 10 and [𝑐 = 100.

with

¤®𝛽�̃� ≡
∫ ∞

−∞
¤®𝛽𝑒𝑖 �̃�𝑡

′
𝑑𝑡 ′ and �̃� ≡ (1 − ®𝑛 · ®𝛽)𝜔. (41)

In the ultrarelativistic case, the longitudinal acceleration is smaller
than the transverse acceleration, ¤®𝛽 ‖/

¤®𝛽⊥ ∼ 1/𝛾2 � 1. Thus, ¤®𝛽 and
®𝛽 are approximately perpendicular to each other, ¤®𝛽 ⊥ ®𝛽. Since both
®𝑛 and ®𝛽 are approximately constant in the above equation, the prop-
erties of the spectrum and polarization are mainly determined by
the acceleration ¤®𝛽. An estimate of the typical frequency in which
the radiation is mainly concentrated is made as follows (Landau &
Lifshitz 1975): the Fourier component ¤®𝛽�̃� is significantly different
from zero only if 1/�̃� is of the same order as the time Δ𝑡acc during
which the particle acceleration changes significantly, leading to

𝜔 ∼ (1 − 𝛽)−1Δ𝑡−1acc ∼ 2𝛾2Δ𝑡−1acc. (42)

For example, if the particle’s acceleration is due to the Lorentz force
by the magnetic field 𝐵, one has Δ𝑡−1acc ∼ 𝜔𝐵 = 𝑒𝐵/𝛾𝑚𝑒𝑐, where 𝜔𝐵
is the cyclotron frequency, leading to the typical radiation frequency
to be 𝜔 ∼ 𝛾𝑒𝐵/𝑚𝑒𝑐, see the following discussion in detail.
Next, we discuss the general properties of the polarization in the

scenario with 𝛾𝜓 � 1. Choosing a coordinate system 𝑆 with 𝑧-
direction pointing toward the observer and with the particle velocity
on the 𝑦 − 𝑧 plane, thus ®𝑛 = (0, 0, 1) and ®𝛽 = (0, sin \, cos \). In the
coordinate system 𝑆′ with 𝑧′-direction pointing toward the particle
velocity ®𝛽 and 𝑥′-axis parallel with 𝑥-axis, the acceleration could
be written as ¤®𝛽′ = (𝑏 cos 𝜙, 𝑏 sin 𝜙, 0), where 𝑏 = | ¤®𝛽′ | and 𝜙 is
the azimuth angle of ¤®𝛽′ in the 𝑥′ − 𝑦′ plane that is perpendicular
to 𝑧′-direction. Thus, the acceleration in the 𝑆 coordinate system is
¤®𝛽 = (𝑏 cos 𝜙, 𝑏 sin 𝜙 cos \,−𝑏 sin 𝜙 sin \). According to Eq.(40), the

radiation polarization property is determined by

®𝑛 ×
[
(®𝑛 − ®𝛽) × ¤®𝛽

]
= [−𝑏 cos 𝜙(1 − cos \), 𝑏 sin 𝜙(1 − cos \), 0] ,

(43)

leading to

𝐴‖ (�̃�) ∝ −
∫

𝑏(𝑡) cos 𝜙(𝑡)𝑒𝑖 �̃�𝑡𝑑𝑡, (44)

𝐴⊥ (�̃�) ∝
∫

𝑏(𝑡) sin 𝜙(𝑡)𝑒𝑖 �̃�𝑡𝑑𝑡. (45)

Based on Eq.(22) and Eq.(23), we can easily prove that: (1) If the
acceleration is always on a straight line perpendicular to ®𝛽, i.e.,
𝜙 = const., the polarization is fully linear with 𝜋𝐿 = 1; (2) If the
acceleration rotates with a constant angular velocity Ω on the plane
perpendicular to ®𝛽, i.e., 𝜙(𝑡) = Ω𝑡 and 𝑏(𝑡) = const, the polarization
is fully circular with 𝜋𝑉 = 1.
In order to obtain the accurate spectrum and polarization, a simpler

and more intuitive processing method is to calculate the radiation in
the particle comoving frame 𝐾 ′ with velocity 𝛽 ‖ = 𝛽 cos𝜓 related to
the observer frame 𝐾 , then transfer the radiation to the 𝐾 frame via
Lorentz and Doppler transformations. In the 𝐾 ′ frame, the particle
moves with the velocity

𝛽′ ' 𝛽⊥
𝛾(1 − 𝛽2‖)

=
(𝛾2 − 1)1/2 sin𝜓
cos2 𝜓 + 𝛾2 sin2 𝜓

' 𝛾𝜓 � 1. (46)

Thus, the particle in the 𝐾 ′ frame is non-relativistic for 𝛾𝜓 � 1.
In many astrophysical scenarios, the perpendicular acceleration of a
charged particle is usually attributed to the Lorentz force bymagnetic
fields, meanwhile, the intrinsic variation timescale of the magnetic
field is longer than Δ𝑡acc. In this case, the radiation in the 𝐾 ′ frame
is cyclotron-like. We consider that in the 𝐾 ′ frame the acceleration
curvature radius is 𝜌′, and the angle between the line of sight and the
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trajectory plane is \ ′. We define

Z ≡ 𝑚𝛽′ sin \ ′ (47)

with 𝑚 as the harmonic number, then in the 𝐾 ′ frame, the radiation
power per unit solid angle in the𝑚-th harmonic is (Landau&Lifshitz
1975; Jackson 1998)

𝑑𝑃′𝑚
𝑑Ω

=
𝑒2𝜔40𝑚

2

8𝜋3𝑐

���− ®𝜖 ‖𝐴′‖ (𝜔) + ®𝜖⊥𝐴′⊥ (𝜔)
���2 (48)

with

𝐴′‖ (𝜔) =
2𝜋𝑖𝜌′

𝑐

𝑑𝐽𝑚 (Z)
𝑑Z

, (49)

𝐴′⊥ (𝜔) =
2𝜋𝜌′

𝑐

cot \ ′

𝛽′
𝐽𝑚 (Z), (50)

where the fundamental frequency is

𝜔0 =
𝛽′𝑐
𝜌′
. (51)

In particular, if the gyration motion is caused by the Lorentz force
of the magnetic field, one has 𝜔0 = 𝜔′

𝐵
= 𝑒𝐵/𝑚𝑒𝑐, where 𝜔′

𝐵
is the

cyclotron frequency in the 𝐾 ′ frame. According to Eq.(22), Eq.(23),
Eq.(49) and Eq.(50), the linear polarization degree is

𝜋𝐿 =

����� [𝑑𝐽𝑚 (Z)/𝑑Z]2 − (cot2 \ ′/𝛽′2)𝐽2𝑚 (Z)
[𝑑𝐽𝑚 (Z)/𝑑Z]2 + (cot2 \ ′/𝛽′2)𝐽2𝑚 (Z)

����� , (52)

and the circular polarization degree is

𝜋𝑉 =

���� 2[𝑑𝐽𝑚 (Z)/𝑑Z] (cot \ ′/𝛽′)𝐽𝑚 (Z)
[𝑑𝐽𝑚 (Z)/𝑑Z]2 + (cot2 \ ′/𝛽′2)𝐽2𝑚 (Z)

���� . (53)

Due to 𝛽′ � 1, the emission but the fundamental frequency 𝑚 = 1
can be neglected, leading to an extremely narrow spectrum. Using
the properties of Bessel function 𝐽𝑚 (𝑥) ∼ [1/Γ(𝑚 + 1)] (𝑥/2)𝑚 for
0 < 𝑥 � (𝑚 + 1)1/2, the radiation power reduces to

P ′
𝜔 ≡ 𝑑𝑃′𝑚

𝑑𝜔𝑑Ω
=
𝑒2𝜔20𝛽

′2

8𝜋𝑐
(1 + cos2 \ ′)𝛿(𝜔′ − 𝜔0). (54)

The linear polarization degree is

𝜋′𝐿 =

����1 − cos2 \ ′1 + cos2 \ ′

���� , (55)

and the linear polarization degree is

𝜋′𝑉 =

���� 2 cos \ ′1 + cos2 \ ′

���� . (56)

Using the following transformations3

cos \ ′ =
cos \ − 𝛽 ‖
1 − 𝛽 ‖ cos \

' 1 − 𝛾
2\2

1 + 𝛾2\2
, (57)

𝜔′ = 𝜔
1 − 𝛽 ‖ cos \
(1 − 𝛽2‖)

1/2 ' 𝜔

2𝛾
(1 + 𝛾2\2), (58)

P𝜔 = P ′
𝜔

(1 − 𝛽2‖)
3/2

(1 − 𝛽 ‖ cos \)3
' P ′

𝜔

8𝛾3

(1 + 𝛾2\2)3
. (59)

3 Note that the radiation power P𝜔 is emphasized to be the received specific
power in the 𝐾 frame, and a factor of 𝛾3 (1 + 𝛽 cos \′)3 should be corrected
from the emitted specific power, see Section 4.8 ofRybicki&Lightman (1986)
and involve 𝑑𝜔 = 𝛾 (1 + 𝛽 cos \′)𝑑𝜔′ to calculate the specific radiation
power.
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Figure 8. The relations between the polarization degree Π and the dimen-
sionless frequency �̂� and the viewing angle 𝛾\ for a single radiating particle
with 𝛾𝜓 � 1. The blue and red lines correspond to the linear and circular
polarization degrees, respectively. The top panel shows the polarization de-
gree Π as the function of the dimensionless frequency �̄�. The bottom panel
shows the polarization degree Π as the function of the viewing angle 𝛾\ .
The dimensionless frequency �̄� and the viewing angle 𝛾\ are related via
�̄� = 2/(1 + 𝛾2 \2) .

The received radiation power is

P𝜔 =
𝑒2𝛾2𝜓2𝜔4

4𝜋𝑐𝜔20

(
1 − 𝜔

𝛾𝜔0
+ 𝜔2

2𝛾2𝜔20

)
𝛿

(
𝜔 − 2𝛾𝜔0

1 + 𝛾2\2

)
. (60)

We define

�̄� ≡ 𝜔

𝛾𝜔0
, (61)

then the received radiation power can be rewritten as

P𝜔 =
𝑒2𝛾5𝜓2𝜔0
4𝜋𝑐

�̄�4
(
1 − �̄� + 1

2
�̄�2

)
𝛿

(
�̄� − 2

1 + 𝛾2\2

)
, (62)

and the radiation only occurs at the direction \ with

𝛾\ =

(
2
�̄�

− 1
)1/2

. (63)

Notice that the particle’s deflection angle 𝜓 only affects the normal-
ized radiation power but not the typical frequency and the spectral
shape. According to Eq.(62), for a certain viewing direction 𝛾\, the
emission is only at the frequency �̄� = 2/(1 + 𝛾2\2). Thus, the radi-
ation spectrum of a single particle is extremely narrow. Since most
radiation energy is emitted with the direction satisfying 𝛾\ . 1, the
typical radiation frequency is �̄� ∼ a few (corresponding to𝜔 ∼ 𝛾𝜔0),
which is consistent with the above result estimated by Eq.(42).
Since the polarization degree is Lorentz invariance, according to
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Eq.(55), Eq.(56) and Eq.(57), the linear and circular polarization
degrees are

𝜋𝐿 =

���� 2𝛾2\21 + 𝛾4\4

���� = ���� 2�̄� − �̄�2

�̄�2 − 2�̄� + 2

���� , (64)

𝜋𝑉 =

����1 − 𝛾4\41 + 𝛾4\4

���� = ���� 2�̄� − 2
�̄�2 − 2�̄� + 2

���� . (65)

In particular, 𝛾\ > 1 and 𝛾\ < 1 correspond to the opposite (left
and right) circular polarization, respectively. In Figure 8, we plot
the linear and circular polarization degrees Π𝑖 with 𝑖 = 𝐿 and 𝑉 as
the functions of the dimensionless frequency �̄� and viewing angle
𝛾\, respectively. The blue and red lines correspond to the linear and
circular polarization degrees, respectively. The top and bottom panels
show the polarization degreeΠ as the functions of the dimensionless
frequency �̄� and the viewing angle 𝛾\, respectively. We can see that
high linear polarization (low circular polarization) mainly occur at
�̄� ∼ 1 and 𝛾\ ∼ 1, otherwise, low linear polarization (high circular
polarization) is dominant.
Furthermore, we consider that multiple radiating particles are uni-

formly distributed in a three-dimensional beaming with an opening
angle Θ 𝑗 . The number of the charged particles within (Θ,Θ+ 𝑑Θ) is

𝑁𝑒 (Θ)𝑑Θ = 𝑁𝑒,0 sinΘ𝑑Θ. (66)

When the viewing direction points to the beaming center Θ = 0,
the radiation spectrum by multiple particles might be approximately
given by

P𝜔 (Θ = 0) ∝
∫ Θ 𝑗

0
P𝜔 (𝛾Θ) sinΘ𝑑Θ

∝ �̄�4 − 2�̄�3 + 2�̄�2 for �̄�min =
2

1 + 𝛾2Θ2
𝑗

< �̄� < 2, (67)

where Θ 𝑗 � 1 is assumed in the above equation. Outside the par-
ticles’ beam Θ � Θ 𝑗 , the radiation spectrum by multiple particles
might be approximately given by

P𝜔 (Θ) ∝
∫ Θ

Θ−Θ 𝑗

P𝜔 (𝛾Θ)𝑑Θ ∝ �̄�5 − 2�̄�4 + 2�̄�3

(2�̄� − �̄�2)1/2

for �̄�min =
2

1 + 𝛾2Θ2
< �̄� < �̄�max =

2
1 + 𝛾2 (Θ − Θ 𝑗 )2

. (68)

Notice that a factor of sinΘ should be involved in the above equation
for the viewing direction outside the particles’ beam. In Figure 9, we
plot the spectra forΘ 𝑗 = 0 andΘ � Θ 𝑗 given byEq.(67) andEq.(68),
respectively. For the case of Θ 𝑗 = 0, the peak frequency is at �̄� ∼ 2
near which the spectrum is narrow due toP𝜔 ∝ �̄�4. For the case of
Θ � Θ 𝑗 , the spectrum is much narrower, i.e., Δ�̄�/�̄� ' 2Θ 𝑗/Θ � 1.
Meanwhile, the larger the viewing angleΘ, the narrower the spectrum
and the lower the peak radiation power. At last, we should notice that
the above discussion assumes that all radiating particles have the
same Lorentz factor 𝛾. The distribution of 𝛾 for multiple particles
would make the spectra relatively wider.
The observed linear and circular polarization degrees depend on

the gyration directions of the radiating particles and whether the
viewing direction is within Θ 𝑗 . If all radiating particles have the
same gyration directions, clockwise or anticlockwise, the linear and
circular polarization degrees of the multiple particles might be writ-
ten as

Π𝐿 '
{
0, for Θ 6 Θ 𝑗 ,

𝜋𝐿 (Θ − Θ 𝑗 ), for Θ > Θ 𝑗 ,
(69)
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Figure 9. The spectra that are applicable for multiple radiating particles with
𝛾𝜓 � 1. The blue and red line corresponds to the on-beam case given by
Eq.(67) and the off-beam case given by Eq.(68), respectively. The red solid,
dashed and dotted lines correspond to 𝛾Θ = 3, 5 and 8, respectively. Here
𝛾Θ 𝑗 = 1 is taken. The unit of P𝜔 is arbitrary. For easy comparison with
different scenarios, the spectra of the off-beam cases are multiplied by an
arbitrary factor in this figure.

and

Π𝑉 '
{
1, for Θ 6 Θ 𝑗 ,

𝜋𝑉 (Θ − Θ 𝑗 ), for Θ > Θ 𝑗 ,
(70)

respectively, similar to the discussion in Section 3.1. Notice that dif-
ferent from the above scenario with 𝛾𝜓 � 1, the on-beam radiation
for 𝛾𝜓 � 1 is dominated by the ∼ 100% circular polarization. On
the other hand, if the gyration directions of the particles are random,
their polarizations would cancel out. In the following, we are mainly
interested in the former scenario.
Since the viewing direction is random in the solid angle, the num-

ber of the observable burst within (Θ,Θ + 𝑑Θ) is given by

𝑁 (Θ)𝑑Θ = sinΘ𝑑Θ for 0 6 Θ 6 Θ 𝑗 + \th, (71)

otherwise, 𝑁 (Θ)𝑑Θ = 0, where Θ 𝑗 + \th corresponds to the lower
limit of the frequency �̄� or the lower limit of P𝜔 . According the
polarization properties given by Eq.(64) and Eq.(65), the polariza-
tion is ∼ 100% circular except 𝛾\ ∼ 1. Therefore, the cumulative
distribution of the linear polarization degrees for multiple radiating
particles is

𝑁 (> Π𝐿) '
sinΘ 𝑗Δ\𝐿

1 − cos(Θ 𝑗 + \th)
, (72)

where Δ\𝐿 = \𝐿,2 − \𝐿,1 with \𝐿,𝑖 solved by Eq.(64), and Δ\𝐿 � 1
is used in the above equation.

Δ\𝐿 =
1

𝛾Π
1/2
𝐿

[(
1 +

√︃
1 − Π2

𝐿

)1/2
−

(
1 −

√︃
1 − Π2

𝐿

)1/2]
. (73)

Similarly, the cumulative distribution of the circular polarization
degree is

𝑁 (> Π𝑉 ) ' 1 −
sinΘ 𝑗Δ\𝑉

1 − cos(Θ 𝑗 + \th)
(74)

where Δ\𝑉 is solved by Eq.(65), leading to

Δ\𝑉 =
2
𝛾

(
1 − Π𝑉

1 + Π𝑉

)1/4
. (75)

In Figure 10, we plot the cumulative distribution of the linear (top
panel) and circular (bottom panel) polarization degrees, respectively.
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Figure 10. The cumulative distribution of the linear (top panel) and circular
(bottom panel) polarization degrees. The distribution function of the viewing
direction is assumed to satisfy Eq.(66). The black solid, dashed and dotted
lines correspond to 𝛾Θ 𝑗 = 3, 10 and 30, respectively for 𝛾\th = 100. The
solid red, blue and black lines correspond to 𝛾\th = 10, 30 and 100, respec-
tively for 𝛾Θ 𝑗 = 3. 𝛾 = 100 is taken here. Different from Figure 7, the 𝑦-axis
is log[𝑁 (> Π𝐿) ] here.

We can see that for multiple radiating particles, the polarization of
this radiation mechanism is almost 100% circular polarization. Thus,
if the radiation mechanism of FRBs corresponds to this scenario with
𝛾𝜓 � 1, the observed moderate number fraction between linearly
polarized bursts and circularly polarized bursts of FRB 20201124A
(Jiang et al. 2022) might be due to the propagation effects, because
the intrinsic polarization of thismechanism is predicted to be∼ 100%
circular polarized. Notice that this result is based on the assumption
that all radiating particles have the same gyration direction. If the
gyration directions of the particles are random, their polarizations
would cancel out.

3.3 A unified picture in different astrophysical scenarios

The above two general radiation processes with 𝛾𝜓 � 1 and 𝛾𝜓 � 1
could appear in various astrophysical scenarios, e.g, in the magne-
tosphere of a neutron star or in the synchrotron radiation process
in a magnetized shocked medium. The radiation processes in the
magnetosphere are shown in Figure 11. In the inner region of the
magnetosphere, due to the strong magnetic field, the electrons move
almost along the curvature field lines and produce curvature radia-
tion. The accelerations of the electrons are essentially by the Lorentz
forces of the drift velocities perpendicular to the field lines. In the
picture of the curvature radiation, since the deflection angle (i.e., the
deflection angle of the field line) is much larger than the radiation
beaming angle, the condition of 𝛾𝜓 � 1 is satisfied. In the outer
region of the magnetosphere with the relatively weak magnetic field,

Neutron 
Star

Magnetic 
Field Lines

Radiating 
Particles

Small-pitch-angle 
synchrotron radiation

Curvature radiation

Figure 11. Two radiation mechanisms with 𝛾𝜓 � 1 and 𝛾𝜓 � 1 in the
magnetosphere of a neutron star. In the inner region with a relatively strong
magnetic field, the radiation mechanism is curvature radiation. In the outer
region with a relatively weak magnetic field, the radiation mechanism is the
small-pith-angle synchrotron radiation.

the electrons would move in the field lines with a spiral trajectory
and the corresponding radiation mechanism is the small-pitch-angle
synchrotron radiation. The deflection angle 𝜓 just corresponds to the
pitch angle of the synchrotron radiation, leading to 𝛾𝜓 � 1. One
should notice the difference in the deflection angles 𝜓 in the above
two scenarios due to the different mechanisms.
The critical conditions between the curvature radiation and the

small-pitch-angle synchrotron radiation could be obtained as follows:
when a charged particle with a Lorentz factor 𝛾 slides along a curved
magnetic field line with a curvature radius of 𝜌, the observer will see
the radiation with the emission cone of angular width 1/𝛾 around the
observer direction and the typical timescale of the radiating process is
𝜏𝑟 = 𝜌/𝛾𝑐. The gyration period of an electron under a magnetic field
is 𝜏𝐵 = 2𝜋/𝜔𝐵 = 2𝜋𝛾𝑚𝑒𝑐/𝑒𝐵. If the radiation process is dominated
by the small-pitch-angle synchrotron, the number of times for the
electron’s gyration during the time of 𝜏𝑟 must be much larger than
once, which requires that the gyration period of the electron is much
shorter than 𝜏𝑟 , 𝜏𝐵 < 𝜏𝑟 , leading to the first necessary condition:

𝐵 > 𝐵cr,1 =
2𝜋𝛾2𝑚𝑒𝑐2

𝑒𝜌
' 1.1 G 𝛾22𝜌

−1
8 . (76)

According to the Larmor formula, the radiation power of the small-
pitch-angle synchrotron radiation is

𝑃 =
2
3
𝑒4𝛾2𝐵2𝛽2⊥
𝑚2𝑒𝑐3

' 2
3
𝑒4𝛾2𝐵2𝜓2

𝑚2𝑒𝑐3
, (77)

where 𝛽⊥ = 𝛽 sin𝜓 ' 𝜓 for 𝛽 ∼ 1 and 𝜓 � 1. The cooling timescale
is estimated by 𝑃𝑡cool ∼ 𝛾𝑚𝑒𝑐2, and one obtains

𝑡cool ∼
3𝑚3𝑒𝑐5

2𝑒4𝛾𝐵2𝜓2
' 5.2 × 106 s 𝛾−12 𝐵−21 𝜓

−2
−1 . (78)

If the small-pitch-angle synchrotron radiation is not significantly
cooling during the electron moving along the field line, the cooling
timescale 𝑡coolmust be larger than 𝜏𝑟 , leading to the second necessary
condition:

𝐵 < 𝐵cr,2 =

(
3𝑚3𝑒𝑐6

2𝑒4𝜌𝜓2

)1/2
' 3.9 × 106 G 𝜌−1/28 𝜓−1−1 . (79)

Based on Eq.(76) and Eq.(79), the small-pitch-angle synchrotron
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radiation finally requires the conditions:

1.1 G 𝛾22𝜌
−1
8 . 𝐵 . 3.9 × 106 G 𝜌−1/28 𝜓−1−1 . (80)

Accordingly, the condition of the curvature radiation is

𝐵 & 3.9 × 106 G 𝜌−1/28 𝜓−1−1 . (81)

As we expected, the small-pitch-angle synchrotron radiation is pre-
ferred to be in the outer region of the magnetosphere, and the curva-
ture radiation is preferred to be in the inner region of the magneto-
sphere.
Next, we make some comments about the observable properties of

the small-pitch-angle synchrotron radiation in themagnetosphere. As
discussed in Section 3.2, according to Eq.(42) the typical radiation
frequency of the small-pitch-angle synchrotron radiation is

a ∼ 𝛾a𝐵 =
𝛾𝑒𝐵

2𝜋𝑚𝑒𝑐
' 2.8 GHz 𝛾2𝐵1. (82)

Thus, the small-pitch-angle synchrotron radiation in the outer mag-
netosphere could be emitted at the GHz band. The polarization prop-
erties of the small-pitch-angle synchrotron radiation depend on the
gyration motions of the charged particles in the magnetosphere. Be-
fore the charged particles enter the magnetosphere’s outer region, in
addition to the parallel velocities along the field line, the charged
particles have a small drift velocity perpendicular to the field lines,
providing an additional Lorentz force to make the particles move
along the curved paths. Since the direction of the drift velocity only
depends on the curved field line, the charged particles tend to have
the same gyration direction when they enter the outer region of the
magnetosphere. Thus, the small-pitch-angle radiation is expected to
be highly circularly polarized. Besides, since the spectral shape and
the typical frequency of the small-pitch-angle radiation is indepen-
dent of the particle’s pitch angle, for multiple particles, the spectral
bandwidth is mainly determined by the distribution of the particles’
Lorentz factors.
The above two general radiation processes with 𝛾𝜓 � 1 and

𝛾𝜓 � 1might also occur in the magnetized shocked medium, which
corresponds to the traditional synchrotron radiation and small-pitch-
angle synchrotron radiation, as shown in the panel (a) and the panel
(b) of Figure 12. The critical condition between the two scenarios
depends on the relative directions between the magnetic field, the
particles’ injection, and the viewing direction. If the direction of the
particles’ injection is almost parallel to the field lines, the radiation
mechanism would be the small-pitch-angle synchrotron radiation,
as shown in the panel (b) of Figure 12. However, due to the shock
compression, the magnetic field in the shocked medium usually has a
significant component parallel to the shock surface. Thus, the small-
pitch-angle injection process seems to be fine-turned. Besides, in
the magnetized shocked medium, since the directions of the parti-
cles’ gyration motion are random, the small-pitch-angle synchrotron
would be significantly depolarized for multiple particles.

4 DISCUSSIONS AND CONCLUSIONS

The observed properties of the spectra and polarizations are impor-
tant clues to reveal the radiation mechanism of FRBs. In this work,
two key observed features of FRBs are focused on: (1) Some radio
bursts appear significantly intrinsic narrow spectra in the telescope’s
bandwidth (Pleunis et al. 2021; Kumar et al. 2021; Zhou et al. 2022),
which could be used to identify the radiation mechanism; (2) Some
FRB repeaters are found to behave a certain proportion of circularly
polarized bursts (Xu et al. 2022; Jiang et al. 2022; Feng et al. 2022),

(b) Small-pitch-angle synchrotron radiation

(a) Traditional synchrotron radiation

Shocked medium

Radiating particles

Magnetic field lines and particle trajectories

Figure 12. Two radiation mechanisms with 𝛾𝜓 � 1 and 𝛾𝜓 � 1 in the
magnetized shockedmedium. Panel (a) corresponds to traditional synchrotron
radiation. Panel (b) corresponds to the small-pitch-angle synchrotron radia-
tion, in which scenario, the emission region has a magnetic field almost
parallel to the line of sight and the direction of the particles’ injection is
almost parallel to the field lines.

which might originate from the polarization distribution at different
viewing directions. We have investigated the physical features of the
spectra and polarization of FRBs from the perspective of radiation
mechanisms, and the following conclusions are drawn:
1.Without considering the finite bandwidth of a telescope, the flux-

threshold-dependent relative spectral bandwidth of a burst, Δa/a0,
depends on the intrinsic spectral shape and the 𝑆/𝑁 in the frequency
domain. In practical measurement, the spectral bandwidth is often
measured via FWHM. The relative spectral bandwidth Δa/a0 for
FWHM only depend on the intrinsic spectral shape, thus, the Δa/a0
distribution of an FRB repeater should be enough narrow for a given
intrinsic radiation mechanism. Most radiation mechanisms with low-
frequency spectral index 𝛼𝑙 < 3 would lead to Δa/a0 > 0.2 for
FWHM. Some bursts (e.g., FRB 20190711A, Kumar et al. (2021))
with Δa/a0 � 0.2 within the whole telescope’s bandwidth suggest
that their spectra must be intrinsically narrow and some special radi-
ationmechanisms should be involved. In reality, the finite and narrow
telescope’s bandwidth usually makes some observed bursts’ spectra
incomplete, which leads to an observed spectral bandwidth less than
the intrinsic one. Thus, the distribution of the observed relative spec-
tral bandwidths of radio bursts depends on both Δa/a0 and the tele-
scope’s bandwidth. For example, we consider that a telescope has a
central frequency a0,𝑡 = 1.25 GHz and a bandwidth Δa𝑡 = 0.5 GHz.
For Δa/a0 = 0.1, the observed spectral bandwidth Δaobs of most
bursts are consistent with the intrinsic ones. For Δa/a0 = 1, the ob-
served bandwidth Δaobs of most bursts would be constrained by the
bandwidth of the telescope, leading to Δaobs ∼ Δa𝑡 .
2. An intrinsic narrow spectrum with Δ𝜔/𝜔0 � 1 (𝜔0 is the

peak frequency and Δ𝜔 is the spectral bandwidth) implies that the
electromagnetic wave is quasi-sinusoid with a typical frequency of
𝜔 ∼ 𝜔0 and a typical pulse duration of 𝑇 ∼ 4𝜋/Δ𝜔, which might
be produced by: (1) The intrinsic radiation mechanism of a single
accelerated charged particle with periodic motion during its radiation
beam pointing to the observer; (2) The coherent process by the radi-
ation of multiple charged particles with some special (e.g., periodic)
distributions; (3) The plasma resonant process.
3. We generally discuss the spectral shapes and polarization dis-
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tributions from the perspective of radiation mechanisms. For the
radiation mechanisms involving the relativistic particle’s perpendic-
ular acceleration, the radiation features (including the spectrum and
polarization) depend on the relation between the particle’s deflection
angle 𝜓 and the radiation beaming angle 1/𝛾. The scenarios with
𝛾𝜓 � 1 and 𝛾𝜓 � 1 lead to different features of the spectrum and
polarization.
4. If 𝛾𝜓 � 1, the observerwould see radiation from short segments

of the particle’s trajectory that are nearly parallel to the line of sight.
Such a scenario is applicable to curvature radiation and traditional
(large-pitch-angle) synchrotron radiation. The intrinsic spectrum of
this mechanism is usually wide, and the intrinsic linear/circular po-
larization degree mainly depends on the angle between the viewing
direction and the trajectory plane. The larger the viewing angle, the
lower (higher) the linear (circular) polarization degree. Besides, the
higher the observed frequency, the lower (higher) the linear (circu-
lar) polarization degree.We further discuss the scenario that multiple
radiating particles are uniformly distributed in a fan beam, and calcu-
late the cumulative distributions of the linear and circular polarization
degrees due to the random viewing direction. Important conclusions
for the cumulative polarization distributions include: (1) The higher
the telescope’s sensitivity, the lower the number fraction between
the linearly and circularly polarized bursts. (2) The larger the par-
ticles’ beaming angle, the higher the number fraction between the
linearly and circularly polarized bursts. (3) The higher the observed
frequency, the higher the number fraction between the linearly and
circularly polarized bursts.
5. If 𝛾𝜓 � 1, the particle’s entire trajectory would be seen by

the observer during a long term. Such a scenario is applicable to
small-pitch-angle synchrotron radiation and jitter radiation. For a
particle with an acceleration timescale Δ𝑡acc and a Lorentz factor 𝛾,
the typical radiation frequency is 𝜔 ∼ 2𝛾2Δ𝑡−1acc, and the polarization
depends on the acceleration direction. If the acceleration is always on
a straight line perpendicular to the particle’s velocity, the polarization
is fully linear. If the acceleration rotates with a constant angular
velocity on the plane perpendicular to the particle’s velocity, the
polarization is fully circular.
6. For the scenario with 𝛾𝜓 � 1, we particularly discuss the ra-

diation from a particle with its perpendicular acceleration attributed
to the Lorentz force by magnetic fields. In the comoving frame, the
particle’s motion is non-relativistic and produces cyclotron radiation,
which leads to an extremely narrow spectrum with a peak frequency
at the cyclotron frequency 𝜔0 = 𝑒𝐵/𝑚𝑒𝑐, where 𝐵 is the magnetic
field strength. In the observer frame, the radiation spectrum still
keeps extremely narrow and the peak frequency is about at ∼ 𝛾𝜔0.
In particular, for a certain viewing direction, the radiation is only
emitted at a certain frequency within an extremely narrow band.
We further discuss the radiation properties of multiple particles uni-
formly distributed in a three-dimensional beam. Due to the beaming
distribution of multiple particles, the radiation spectrum becomes
relatively wider compared with that of a single particle, but the rela-
tive spectral bandwidth is still narrow, Δa/a0 � 1. Besides, once the
viewing direction is outside the particle beam, the larger the viewing
angle, the narrower the spectrum and the lower the peak radiation
power. The polarization properties of the multiple particles depend
on the gyration directions of the radiating particles. In particular, if
all radiating particles have the same gyration directions, the polar-
ization of this radiation mechanism would be almost 100% circular
polarization, otherwise, their polarizations would cancel out.
7. We discuss some astrophysical scenarios that might involve ra-

diation processes with 𝛾𝜓 � 1 and 𝛾𝜓 � 1. In the magnetosphere
of a neutron star, the radiation process with 𝛾𝜓 � 1 occurs in the

inner magnetosphere and the corresponding radiation mechanism is
the curvature radiation and the radiation process with 𝛾𝜓 � 1 occurs
in the outer magnetosphere and the corresponding radiation mech-
anism is the small-pitch-angle synchrotron radiation. One should
notice the difference in the deflection angles 𝜓 in the above two
scenarios due to the different mechanisms. In particular, the small-
pitch-angle radiation is expected to be highly circularly polarized
and appears a narrow spectrum. On the other hand, both scenarios
with 𝛾𝜓 � 1 and 𝛾𝜓 � 1 might occur in the magnetized shocked
medium, which corresponds to the traditional synchrotron radiation
and the small-pitch-angle radiation, respectively. However, the gen-
eration of the small-pitch-angle radiation requires that the direction
of the particles’ injection is almost parallel to the field lines, which
seems fine-turned.
Based on the above results, we have the following conclusions for

the observed spectra of FRBs: (1) If the observed narrow spectra
of FRB are attributed to the intrinsic radiation mechanism that does
not involve the coherent process, the particle’s deflection angle must
be much smaller than the radiation beaming angle, i.e. 𝛾𝜓 � 1.
The number fraction between linearly polarized bursts and circularly
polarized bursts of FRBs might be due to the propagation effects (see
Qu&Zhang 2023). (2) Coherent process involving some special (like
periodic) particle distribution can lead to a narrow spectrum even for
the radiation mechanism with 𝛾𝜓 � 1, but the mechanism for the
particles’ special distribution need to be further analyzed in detail. (3)
If the number fraction between linearly polarized bursts and circularly
polarized bursts is attributed to the radiation mechanism with 𝛾𝜓 �
1, the cumulative distribution of the polarization degreewouldmainly
depend on the particle’s beaming angle, and the observed data could
be used to constrain the geometric configuration of the FRB emission
region.
At last, we should emphasize that the above discussion is based on

the assumption that the radiation is produced by the perpendicular
acceleration of charged particles, which is applicable to most radi-
ation mechanisms in various astrophysical scenarios. However, for
the scattering process that involves the acceleration process by the
oscillating electric field of an incident electromagnetic wave, both
the spectrum and polarization will depend on the properties (includ-
ing the intensity (strong or weak) and the polarization state) of the
incident electromagnetic wave. One special scenario is the scattering
process under a strong magnetic field near the surface of a neutron
star, in which case, the charged particles can only be accelerated
along the field line and the radiation polarization of a single particle
becomes linear, see Zhang (2022b) and Qu & Zhang (2023) in detail.
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The X-ray binaries in M83: will any of them form gravitational

wave sources for LIGO/VIRGO/KAGRA?

I.Kotko1 ⋆ and K.Belczynski1 ⋆⋆

Nicolaus Copernicus Astronomical Center, Polish Academy of Sciences, Bartycka 18, 00-716 Warsaw, Poland

ABSTRACT

There are 214 X-ray point-sources (LX > 1035erg/s) identified as X-ray binaries (XRBs) in the nearby spiral galaxy M83. Since XRBs
are powered by accretion onto a neutron star or a black hole from a companion/donor star these systems are promising progenitors
of merging double compact objects (DCOs): black hole - black hole (BH-BH), black hole - neutron star (BH-NS), or neutron star
- neutron star (NS-NS) systems. The connection (i.e. XRBs evolving into DCOs) may provide some hints to the yet unanswered
question: what is the origin of the LIGO/Virgo/KAGRA mergers? Available observations do not allow to determine what will be the
final fate of the XRBs observed in M83. Yet, we can use evolutionary model of isolated binaries to reproduce the population of XRBs
in M83 by matching model XRB numbers/types/luminosities to observations. Knowing the detailed properties of M83 model XRBs
(donor/accretor masses, their evolutionary ages and orbits) we follow their evolution to the death of donor stars to check whether any
merging DCOs are formed.
Although all merging DCOs in our isolated binary evolution model go through the XRB phase (defined as reaching X-ray luminosity
from RLOF/wind accretion onto NS/BH above 1035 erg/s), only very few XRBs evolve to form merging (in Hubble time) DCOs.
For M83 with its solar-like metallicity stars and continiuous star-formation we find that only ∼ 1 − 2% of model XRBs evolve into
merging DCOs depending on the adopted evolutionary physics. This is caused by (i) merger of donor star with compact object during
common envelope phase, (ii) binary disruption at the supernova explosion of donor star, (iii) formation of a DCO on a wide orbit
(merger time longer than Hubble time).

Key words. X-rays: binaries – binaries: close – stars: luminosity function – gravitational waves

1. Introduction

At the end of the third observing run the LIGO-Virgo-KAGRA
(LVK) collaboration reported ∼ 90 detections of gravitational
wave signals from coalescing double compact objects (DCOs)
(The LIGO Scientific Collaboration et al. 2021). Among them
the vast majority (∼ 83) are double black holes (BH-BH)
mergers, 5 are classified as black hole - neutron star (BH-
NS) mergers and only 2 are the confirmed mergers of two
neutron stars (NS-NS). There are several formation scenarios
that explain the origin of the merging DCOs. The leading
ones are: the dynamical interactions in the dense stellar
systems (e.g. Portegies Zwart & McMillan 2000; Mapelli
2016; Rodriguez et al. 2018), the evolution of the isolated
binaries (e.g. Lipunov et al. 1997; Belczynski et al. 2010;
Olejak & Belczynski 2021), the evolution of the isolated multi-
ple systems (e.g. Toonen et al. 2016; Vigna-Gómez et al. 2021;
Stegmann et al. 2022), the chemically homogeneous evolution
of the isolated binaries (e.g. Mandel & de Mink 2016), the
mergers of binaries in active galactic nuclei (Antonini & Perets
2012; Fragione et al. 2019; Tagawa et al. 2020) and the primor-
dial black holes (De Luca et al. 2020; Clesse & García-Bellido
2022). At present there is no conclusion what is the relative
contribution of each of these channels to the formation of
the observed gravitational waves (GW) sources . The 4th
observational run of LVK, which is planned to start in 2023 and
is scheduled to collect the data for roughly a year, is expected
to rise significantly the number of detections by over ∼ 200

⋆ ikotko@camk.edu.pl
⋆⋆ chrisbelczynski@gmail.com

events (Petrov et al. 2022). The characteristics of these events
may help to constrain which of the DCOs evolutionary models
are the most plausible ones.
While the merger is the final moment of the DCOs life, the
X-ray binaries (XRBs) are considered as the DCOs possible
progenitors. XRBs are the close binary systems where the mass
is transferred from the donor star and accreted onto the compact
object (NS or BH) giving rise to the X-ray emission. Certain
aspects of the evolution of the binary systems which enter
the XRB phase still remain unclear. To constrain uncertainties
in the binary stars physics leading to the formation of XRBs
many groups use evolutionary codes to synthesize XRBs
populations and compare them with existing observations (e.g.
Belczynski et al. 2008; Toonen et al. 2014; Eldridge & Stanway
2016; Fragos et al. 2022). The most straightforward comparison
is done via X-ray luminosity function (XLF, cumulative dis-
tribution of X-ray luminosity of all sources in a given sample)
of a given XRBs population (in one or more galaxies). In
most studies this kind of analysis is done for the combined
XLF from a larger sample of galaxies (e.g. Fragos et al. 2013;
Tzanavaris et al. 2013; Lehmer et al. 2019; Misra et al. 2022).
In contrast, we focus on one galaxy with a large number of
XRBs.
M83 (NGC 5236) is a spiral galaxy at the distance of 4.66 Mpc
seen almost face-on, at the angle i = 24◦, with the total star mass
estimated to M⋆ = 2.138 × 1010 M⊙ and average star formation
rate SFR ≈ 2.5 M⊙ yr−1 (Lehmer et al. 2019, hereafter: L19).
Our choice of the galaxy is motivated by two reasons: (i) it has
one of the highest numbers of the detected X-ray point-sources
(see L19) (ii) the X-ray point-source population was cleared
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out of supernova remnants (SNRs) and background AGNs,
leaving only the XRBs confirmed through optical observations
(Hunt et al. 2021, hereafter: H21).

2. Classification of X-ray binaries

The most general classification distinguishes 3 groups of XRBs
according to the mass of the donor star M2. For the sake of con-
sistency between our models and observations we adopt the lim-
its for M2 defined in H21:
1. low-mass X-ray binaries (LMXBs) - where M2 ≤ 3 M⊙
2. intermediate-mass X-ray binaries (IMXBs) - where 3 M⊙ <

M2 < 8 M⊙
3. high-mass X-ray binaries (HMXBs) - where M2 ≥ 8 M⊙

Within the HMXBs group one may separate further 3 types
with regard to the donor star type (e.g. Kretschmar et al. 2019):
(i) HMBXs with O/B supergiant donor star (ii) Wolf-Rayet
X-ray Binaries, where the donor is a Wolf-Rayet star, and
(iii) Be-XRBs, where the donor is a rapidly spinning B-star
showing Balmer emission lines. The characteristic feature of the
latter HMBXs type is their transient nature. They show strong
enhancements of X-ray emission which may last for weeks to
months after which there follows a long quiescent phase (of or-
der of years). This behaviour is believed to be driven by the tem-
poral accretion onto the compact object when it passes though
the decretion disc surrounding a Be-star. In this work we do
not distinguish between different types of HMBXs, however, we
mention them for the sake of further discussion (Sect. 7).
The accretion in XRBs occurs through two mechanisms: stel-
lar winds and Roche lobe overflow (RLOF). Wind-fed accretion
dominates for the systems in which donor is a massive star with
strong winds while RLOF takes place when the donor overfills
its Roche lobe and the mass transfer onto the accretor begins.
The latter may happen for the large range of donor radii (i.e.
donor evolutionary stages) depending on the binary components
mass ratio and orbital separation. For HMXBs the dominant
accretion source is stellar wind while for LMXBs RLOF pre-
vails. Although there are exceptions in both groups, e.g. Cen X-
3 which is HMXBs in which accretion through RLOF has been
observed (Sanjurjo-Ferrín et al. 2021; Tsygankov et al. 2022) or
symbiotic X-ray binaries (SyXBs) which are considered as a
subclass of LMXBs in which NS accrets matter from stellar wind
of a late-type giant star (Yungelson et al. 2019; Lü et al. 2012).
To decide to which group a given XRB belongs one needs to
complement the X-ray data with the observations of the donor
star in the longer wavelength ranges (optical, UV, IR).

3. Observations of XRBs in M83

The observational sample of XRBs to which we refer in this
paper consists of 214 systems among which 30 are classified
as LMXBs, 64 as IMXBs and 120 as HMXBs. The details of
the observations and classification are presented in the following
subsections.

3.1. X-ray observations

The present generation of X-ray space telescopes with unprece-
dented resolution (Chandra) and effective area (XMM-Newton)
allows to resolve the X-ray point-sources of luminosities LX >

1040 erg s−1 at distances larger than 100 Mpc (Wang et al. 2016).
At the distance of M83 the threshold luminosity for X-ray point-
source detection is LX ≈ 1035 erg s−1 at the exposure time of

∼ 790 ks (Long et al. (2014)).
The catalogue of M83 X-ray sources from Chandra consid-
ered by L19 consists of 363 objects laying within the isopho-
tal ellipse that traces the 20 mag arcsec−2 galactic surface bright-
ness in Ks-band. The ellipse semi-major and semi-minor axis
are a = 5.21 arcmin and b = 4.01 arcmin respectively, giving
the total area of ∼ 65.6 arcmin2. This catalogue has not been
cleared from possible contamination from X-ray sources other
than XRBs like SNRs or background X-ray sources like AGNs
or quasars.

3.2. Optical observations

In the case of M83 the identification of XRBs was possible ow-
ing to the available optical observations of the galaxy taken by
Hubble Space Telescope (HST) (Blair et al. 2014).
The area of M83 lying within the HST footprint is ∼ 43arcmin2

(Hunt et al. 2021) and contains 324 X-ray point-sources from
L19 catalogue. Among them, using catalogues cross-referencing
and analysis of the optical characteristics of the sources, H21
identified 103 SNRs and 7 background AGNs/quasars candi-
dates. All remaining sources, i.e. 214, has been confirmed as
XRBs. The regions not seen in the optical lay on the periphery
of the galaxy.
The identification of XRBs based on the donors mass was done
by H21 by comparing their position on the color-magnitude di-
agram with theoretical evolutionary mass tracks for solar metal-
licity stars from Padova models. From this method one can de-
rive that there are 30 LMXBs, 64 IMXBs and 120 HMXBs in
the observed XRBs population. For details see H21.
For our analysis it is also relevant to consider the spatial distri-
bution of XRBs in M83. From maps presented in H21 it can be
seen that most of HMXBs are located in the spiral arms and in
the galaxy buldge while LMXBs and IMXBs are more evenly
distributed throughout the galaxy disc.

4. Population synthesis calculations

To generate the intrinsic population of XRBs in M83 we use
StarTrack population synthesis code (Belczynski et al. 2002,
2008, 2020) which has been developed over the years. We
adopt the 3-broken power law initial mass function (IMF) with
exponents: α1 = −1.3 for stars of masses 0.08 < m < 0.5 M⊙,
α2 = −2.2 for 0.5 ≤ m < 1.0 M⊙ and α3 = −2.3 for stars
more massive than 1 M⊙ (see Kroupa et al. 1993; Kroupa 2001).
To generate the population of primordial binaries we draw
the mass of the initially more massive star (the primary) M1

from the mass distribution described by IMF within the range
M1 ∈ [5 − 150] M⊙. The mass of the secondary (initially less

massive star) M2 is derived from the mass ratio q = M2

M1
for

which we assume the flat distribution Φ(q) = 1 in the range
q = 0 − 1. The minimum for M2 is set to 0.08 M⊙ which is
the limiting mass for the onset of hydrogen burning in the star.
The orbital period (P/d) (in units of days) and eccentricity e
are drawn from the distributions: f (log P/d) = (log P/d)−0.55

with log P/d in the range [0.15, 5.5] and f (e) = e−0.42 with
e in the range [0.0, 0.9] respectively. Both distributions are
adopted from Sana et al. (2012) and Sana et al. (2013) with
extrapolation of orbital periods to log P/d = 5.5 following
de Mink & Belczynski (2015).
In our calculations we employ delayed supernova engine
(Fryer et al. 2012) resulting in the continuous mass distribution
of the compact objects, i.e. with no gap in remnant masses
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between ∼ 2 M⊙ and ∼ 5 M⊙. For the winds of low- and
intermediate-mass stars the code follows the formulae of Hurley
et al. (2000) while the stellar winds of massive (O/B type)
stars are described by the formulae for radiation driven mass
loss from (Vink et al. 2001) with inclusion of Luminous Blue
Variable mass loss (Belczynski et al. 2010). In the case of
Wolf-Rayet stars winds we take into account the metallicity
dependence (Vink & de Koter 2005) and the inhomogeneities
(clumping) in the winds (Hamann & Koesterke 1998).
The natal kick velocity magnitude is drawn from the Maxwellian
distribution with σ = 265 km s−1 (Hobbs et al. 2005) and is
decreased by the fraction of the stellar envelope that falls
back during the final collapse of the star, after being initially
ejected in SN explosion. This fraction is defined by the fallback
parameter ffb which takes values from 0 to 1. The directions
of the kicks are assumed to be distributed isotropically. The
code accounts for the natal kicks of NS born through electron
supernova (ECS) or accretion induced collapse (AIC) of a
white dwarf (WD). We take their magnitude to be 20% of the
magnitude of core-collapse SN kicks. In the case of direct BH
formation from the most massive stars (without SN explosion)
we assume that BH receives no natal kick.
RLOF may be stable or unstable depending on the timescale at
which the mass is being transferred. If the donor is transferring
mass at the timescale longer than its thermal timescale it is able
to maintain its thermal equilibrium and RLOF is stable. Other-
wise, RLOF is unstable and may lead to the unstable thermal
timescale mass transfer (TTMT) or to the dynamical instability
resulting in the common envelope (CE) phase. In what we call
standard model we apply the standard StarTrack criteria for
CE development described in Belczynski et al. (2008) that lead
to the formation of merging DCOs mostly through CE evolution
(Model 1 and 2).
From recent stellar models and close binaries simulations (e.g.
Pavlovskii et al. 2017; Misra et al. 2020; Ge et al. 2020) it has
been realized that the mass transfer from a donor star may
be stable for much wider parameter space than it is with the
standard assumptions for CE development. To take this results
into account the alternative CE development criteria have been
introduced in StarTrack by Olejak et al. (2021). According
to these criteria CE develops if all below are fulfilled: (i) the
donor is an H-rich envelope giant during RLOF, (ii) the mass of
the donor is MZAMS,don > 18 M⊙, (iii) the ratio of the accretor
mass to the donor mass is smaller than the limiting value qCE

depending on the metallicity and donor mass (the values of
qCE are listed in Eq.2 and 3 in Olejak et al. (2021)), (iv) the
donor radius at the onset of RLOF is in the regime where the
expansion or convection instability appears (see Pavlovskii et al.
2017; Olejak et al. 2021, for details). It occurs that these criteria
allow for the formation of the majority of merging BH-BHs
through the stable RLOF channel only.
To see how the alternative CE development criteria impact the
XRBs population that we consider and the number of mergining
DCOs originating from it we calculate the model which differs
from the standard Model 2 only in the alternative criteria for CE
development applied (Model 3).

In our approach the stable RLOF onto compact object is Ed-
dington limited. If the mass transfer rate exceeds the Edding-
ton limit for the accretion rate only the fraction fa of mass is
accreted onto CO while the remaining material (1 − fa is ex-
pelled from the system (non-conservative RLOF) with the spe-
cific angular momentum of the accretor. When mass transfer rate
is lower than the critical value the conservative RLOF is assumed

( fa = 1). In the case of an accretion onto the non-degenerated
star we adopt the non-conservative RLOF with 50% of the mass
transferred from the secondary being accreted and the remaining
mass leaving the system with its associated angular momentum
which is a combination of orbital and donor angular momenta
(Belczynski et al. 2008).
The common envelope stage is treated within the energy formal-
ism (Webbink 1984) which compares the envelope’s energy with
the change of the orbital energy. In this prescription there are two
parameters introduced: λ describing the donor central concentra-
tion and αce parameterizing the efficiency at which the orbital en-
ergy is transferred into the envelope. In our calculations we use
one CE parameter defined as αCE = αce × λ and we assume that
its value is αCE = 1.0. We assume the pessimistic scenario where
we do not allow CE survival for Hertzsprung gap donors as these
stars are in the phase of rapid expansion and they have not de-
veloped the clear boundary between core and envelope yet and
all such systems are expected to merge (Belczynski et al. 2007).
For the stages in the binary evolution when accretion onto a com-
pact object takes place through stable RLOF or stellar winds, we
apply the accretion model described in Mondal et al. (2020). The
possible beaming effect in the case of the super-Eddington lumi-
nosities is accounted for following the prescription from King
(2009).
To account for Chandra observational band (0.5 − 8 keV) we
apply the bolometric correction (BC) to the bolometric lumi-
nosity calculated in the code. We use the detailed calculations
from Anastasopoulou et al. (2022) where the bolometric correc-
tion depends on the mass accretion rate and the type of an accre-
tor.
We run models for four different metallicities: Z =

0.01, 0.02, 0.025, 0.03 and four different star formation rates:
1.5, 2.0, 2.5, 3.0 M⊙yr−1. We also tested the effect of changing
the power in IMF for massive stars from −2.3 to −1.9, i.e. within
its uncertainty. For motivation to use the listed values of Z and
SFR see Sect.7.

5. Predicted number of XRBs in M83

In order to constrain the calculations of a single model to the
reasonable computational time (a few days) we limit the number
of the systems that undergo evolution to 2 × 107. As a result the
total stellar mass of a model is ≈ 2.28 × 109 M⊙ which is ∼ 2
orders of magnitude smaller than the mass of the galaxy of in-
terest. The motivation to adopt continuous SFR comes from the
observations of metal abundances and the long dynamical and
crossing times in the extended ultraviolet (XUV) disk of M83
(Bruzzese et al. 2020). With known galaxy stellar mass M⋆ and
known continuous star formation rate S FR one can estimate age
of the galaxy tgal = M⋆/S FR. To obtain the stellar mass of the
synthetic population of the stars M⋆,synt equal to the mass of M83
(M⋆) each system from the generated population of the binaries
has to be used 9 times (M⋆,synt × 9 = M⋆). Therefore, for each
binary we draw its birth time t0 nine times from the range [0, tgal]
and we add to t0 the time it took for the system to evolve to the
XRB stage tX,start. To select the present-day XRBs in the galaxy
we choose only those binaries which cross the tgal during their
XRBs phase, i.e. the time interval from the onset of their XRB
phase t0+ tX,start to the end of their XRB phase t0+ tX,end contains
tgal. The present-day fraction of XRBs is the intrinsic number of
XRBs (Ni) in our model of galaxy M83.
To obtained the population of Ni XRBs one needs several ad-
ditional post-processing steps so that it can be compared with
the XRBs observed in M83. Each of the steps described below
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leads to the consecutive reductions in the number of XRBs in our
sample and for each step we give a specific factor fx by which
the intrinsic number of the synthetic XRBs has to be reduced.
One can encapsulate this process in 3 equations depending on
the type of XRB:

Nf,LMXB = fLX
fvis ( fP + fDC − fP fDC) Ni,LMXB (1)

Nf,IMXB = fLX
fvis Ni,IMXB (2)

Nf,HMXB = fLX
Ni,HMXB, (3)

where Nf,j is the predicted observed number of XRBs of type
j=LMXB, IMXB or HMXB in M83 for a given model, Ni,j is
the intrinsic number of XRBs of a given type from the simula-
tions and fx are the reduction factors described below. The fi-
nal number of all XRBs after the reduction in a given model is
Nf,XRBs = Nf,LMXB + Nf,IMXB + Nf,HMXB.
The values of fx given in the following subsections are calcu-
lated for Model 2. The reduction factors for all models listed in
Table 1 are given in Table A.2.

5.1. The X-ray luminosity threshold - fLX

In accordance with the observational threshold we choose only
the sources with the X-ray luminosity LX ≥ 1035 erg s−1 which
causes that we are left with less than 27% of the initial number
of sources. The corresponding factor fx is fLX

= 0.271.

5.2. The spatial coverage of HST observations of M83 - fvis

The XRBs population from StarTrack corresponds to the
XRBs population of the entire M83. To account for the differ-
ence between X-ray and optical observational spatial coverage of
M83 we proceed with the following assumptions: (i) the whole
XRBs population of M83 is located within the area of X-ray
observations described in Sect. 3.1; (ii) due to the spatial dis-
tribution of different types of XRBs (see Sect. 3.2) all HMXBs
are seen by HST but some LMXBs and IMBXs may be located
out of its footprint; (iii) 85% of SNR originates from the core
collapse SN (CC-SNR), i.e. has massive stars progenitors while
15% comes from Ia SN (SNIa-SNR) and has low-mass stars pro-
genitors (Tammann et al. 1994), therefore, they follow the same
spatial distribution as HMXBs and LMXBs accordingly. From
the assumption (iii) we find that there are 88 CC-SNR and 15
SNIa-SNR among 103 SNR identified in optical (see Sect. 3.2).
Because SNIa-SNR are supposed to be approximately evenly
distributed in the galaxy they number should scale proportion-
ally to the observed area while the number of observed CC-SNR
is the same both for X-ray and optical observations as they fol-
low the high star formation rate regions of the galaxy. Taking
this into account there should be 118 non-XRBs among Chan-
dra X-ray sources: 88 CC-SNRs, 23 SNIa-SNRs and 7 AGNs.
This means that 245 out of 363 X-ray sources could be identified
as XRBs if HST would cover the same area of M83 as Chandra
with 120 being HMXBs and 125 belonging to LMXB or IMXB
type. Consequently there are 31 LMXBs/IMXBs in M83 that are
"lost" in the optical band due to HST footprint and our reduc-
tion factor for the observational spatial coverage is fvis = 0.752
with the caveat that we reduce only the number of LMXBs and
IMXBs.

5.3. The transient and persistent LMXBs - fP and fDC

Many of LMXBs are transient in nature (T-LMXBs). They cy-
cle between the short periods of high luminosity (outbursts) with
peak luminosity of order LX ∼ 1036

− 1039 erg s−1 and long pe-
riods of quiescence, when their luminosity is below 1033 erg s−1.
Those transitions are explained by the thermal-viscous instabil-
ity developing in the accretion disc (see Osaki 1974; Smak 1982;
Lasota 2001; Hameury 2020). According to the disc instability
model (DIM) there is a critical value of the mass accretion rate
(Ṁacc,crit) at the inner disc radius above which the system will
stay permanently in the luminous state and one will observe it
as a persistent LMXB (P-LMXBs). In the case of such close bi-
naries as LMXBs (which orbital periods are in the range of tens
of minutes to tens of days) the irradiation of the disc by the X-
rays generated at its inner edge cannot be neglected. It gives the
additional source of the heating of the disc and causes Ṁacc,crit

to be lower. For the critical values of mass accretion rate we use
the formulae from Lasota et al. (2008) for helium-rich irradiated
disc and H-rich irradiated disc respectively:

Ṁacc,crit,He = 4.69 × 10−12 C−0.22
irr f 2.51 P1.67

orb M0.1
2 M⊙ yr−1 (4)

Ṁacc,crit,H = 1.92 × 10−13 C−0.36
irr f 2.39 P1.59

orb M0.16
2 M⊙ yr−1 (5)

where Cirr is the disc-irradiation parameter in units of 0.001,
f = 0.6(1 + q)−2/3, q = M2/M1 (see Sect. 4), Porb is an orbital
period in minutes and M2 is mass of a donor.
The most uncertain parameter in formulae 4 and 5 is Cirr which
describes the fraction of X-ray flux which heats up the disc. The
attempts to constraint its value by observations of the outbursts
in LMXBs has not been conclusive (see Tetarenko et al. 2018).
Although the standard value used in the literature is 5.0×10−3 we
use Cirr = 1.0×10−3 which still gives the DIM predictions for the
system stability consistent with the observed transient and per-
sistent LMXBs (e.g. Coriat et al. 2012). We classify LMXB in
the model as persistent if the mass transfer rate from the donor is
higher than Ṁacc,crit calculated for the parameters of a given sys-
tem and transient otherwise. We consider LMXBs in the model
as observable if they are either P-LMXBs or T-LMXBs in out-
burst. The factor that reduces the number of LMXBs to the per-
sistent systems only is calculated as a ratio of P-LMXBs to all
LMXBs and is derived to be fP = 0.043.
The duty cycle (DC) of a transient system is the fraction of
its lifetime that the system spends in the outburst. Yan & Yu
(2015) derived the value of duty cycle for all LMXBs equal
to 0.025+0.045

−0.016
from the sample of 36 systems observed by the

Rossi X-ray Timing Explorer. From there we adopt the value
for the reduction factor fDC which reduces the number of T-
LMXBs to only those systems which are actually in outburst to
be fDC = 0.025.
Finally, we combine the above described 2 reduction factors in
Eq.1 in order to include all P-LMXBs and outbursting T-LMXBs
in our predicted number of XRBs in M83.

6. Results

6.1. The model

Out of all models with standard CE development criteria we
tested, we chose 2 based on the 3 criteria: the XLF shape, the to-
tal number of XRBs and the numbers of XRBs in the particular
subgroups: LMXBs, IMXBs and HMXBs. Model 1 is a model of
XRB population that we get after applying all the reduction steps
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described in Sect. 5 and it is a reference model to Model 2 which
is the most satisfying model considering the aforementioned cri-
teria. Additionally we calculated the model with the parameters
of Model 2 (SFR = 3.5 M⊙ yr−1 and Z = 0.01, standard IMF)
but with revised CE development criteria. We refer to this model
as Model 3. The model parameters and corresponding number of
the systems for all three models can be found in Table A.1 and
Table 1 respectively.

6.2. XLF

6.2.1. The shape

One can use the cumulative XLF to check if the systems in the
observational and synthetic populations have similar distribu-
tions. From the top to the bottom of Fig.1 we plot the obser-
vational XLF (red stars) and the synthetic XLF (black solid line)
for Model 1-3 accordingly. The shape of Model 1 and Model 2
XLFs is alike but the excess of the synthetic LMXBs in Model 1
causes that its XLF is shifted towards higher numbers on the
vertical axis and larger luminosities on the horizontal axis. The
higher number of HMXBs in the XRBs population and more lu-
minous IMXBs in Model 3 than in Model 1 and 2 cause that its
XLF slope is shallower up to the luminosity ∼ 4.0 × 1038 erg s−1

and steeper above that luminosity than in the standard models.

6.2.2. The number of binaries

The number of the present-day XRBs is Ni = 50 834 in Model 1,
Ni = 71 164 in Model 2 and Ni = 75 854 in Model 3. In each of
three models about ∼ 27% of the binaries have the luminosities
above 1035 erg s−1. Following the reduction steps described in
Sect. 5 we get the synthetic population of the observable XRBs,
Nf,XRBs, consisting of 819 binaries in Model 1, 1130 binaries in
Model 2 and 1269 binaries in Model 3.
We decompose XRBs populations into HMXBs, IMXBs, out-
bursting T-LMXBs and P-LMXBs and analyse how each of
those contributes to the total XLF. By example of Model 1 it
appears that the main culprit of the mismatch between the ob-
servations and the simulations are P- LMXBs (cyan dashed line
on the top panel of Fig.1) which are too numerous (441) and
brighter than observed XRBs. There is also small overabundance
of outbursting T-LMXBs (green dashed line on the top panel of
Fig.1) at luminosities log LX ∈ [35 − 35.5] erg s−1. The num-
ber of outbursting T-LMXBs in Model 1 is 248. We choose to
make one more reduction step (additional to the reduction fac-
tors from Sect. 5) in Model 2 and 3, i.e. we draw 30 LMXBs
from the set consisting of P-LMXBs and outbursting LMXBs.
As a result the final number of XRBs in Model 2 and 3 is 197
and 263 respectively compared to 214 observed. The resulting
XLFs are presented on the middle and bottom panel of Fig.1.

6.2.3. The number of binaries in XRBs subgroups

What distinguishes Model 2 (presented on the middle panel of
Fig.1) from Models 1 and 3 and makes it our model of choice
is not only the total number of XRBs but also the numbers of
different types of XRBs which closely correspond to what is
observed. From Model 2 we get 30 LMXBs, 51 IMXBs and 116
HMXBs comparing to 30 LMXBs, 64 IMXBs and 120 HMXBs
observed. Although there are 30 LMXBs and 64 IMXBs in
Model 3, what matches perfectly the observations, the number
of synthetic HMXBs (169) exceeds the observed number by

∼ 41%.

6.3. Merging DCOs

We follow the future evolution of three models: the reference
Model 1, the best observations matching Model 2 and the model
with alternative CE development criteria (Model 3) to see if any
of them produces the potential LVK sources. For each model we
iterated the calculations 10 times to see how the resulting num-
ber of merging DCOs changes due to the different subsets of
the present-day XRBs drawn from the entire XRBs population
by Monte Carlo method incorporated in StarTrack. We con-
clude that the average number of merging DCOs per population
of XRBs that can be observable in M83 is on average ∼ 1.9 for
two standard models and 6.2 for Model 3.
In the model of choice (Model 2) the average number of merg-
ing DCOs is 2.0 where BH-NSs mergers contribute the most (0.8
mergers on average) and NS-NS/BH-BH make equal contribu-
tion of 0.6 mergers of each type (see Table A.3). HMXBs are the
progenitors of 1.2 mergers and of them 0.5 are BH-BH mergers,
0.2 are BH-NS mergers and 0.5 are NS-NS mergers. The remain-
ing 0.8 merging binaries originate from IMXBs (0.6 are BH-NS,
0.1 are BH-BH and 0.1 are NS-NS mergers). In the consequence
of the reduction of almost all LMXBs none of the merging DCO
in Model 2 comes from LMXBs. However, as can be seen from
the results of Model 1 (see Table 1) LMXBs may be a potential
progenitors of merging NS-NS and BH-NS binaries. In Model 1
which contains much larger population of LMXBs than Model
2 and 3, we find on average 1.0 NS-NS, 0.57 BH-NS and 0.14
BH-BH mergers. Both LMXBs and IMXBs account for 0.7 of
merging DCOs progenitors in Model 1, while HMXBs account
for the remaining 0.3 mergers.
The higher number of HMXBs and IMXBs in Model 3 than in
standard Models 1 and 2 has its effect on the number and the
type of merging DCOs. We find 3.22 BH-BHs, 2.44 BH-NSs
and 0.56 NS-NSs among an average of 6.22 mergers in Model 3.
All merging BH-BHs and NS-NSs have HMXBs as they progen-
itors, 0.88 merging BH-NSs are the result of HMXBs evolution
as well, but the majority of merging BH-NSs (1.56) goes through
IMXBs phase in their prior evolution. In other words HMXBs
and IMXBs are the progenitors of 4.7 and 1.5 merging DCOs in
Model 3.

7. Discussion

7.1. The synthetic number of XRBs

The XLFs of the synthetic populations of XRBs that we
generated with the standard models (i.e. with the standard CE
development criteria) have the shapes that track the shape of the
observational curve (see Fig. 1 for Models 1, 2). It means that
for the models with the standard CE development criteria the
XLF shape itself of this particular XRB population (in M83)
is not a good indicator of the underlying XRBs population: the
population that is dominated by LMXBs (689 LMXBs in the
total of 819 XRBs in Model 1) has almost the same shape as the
population dominated by HMXBs (116 HMXBs in total of 197
XRBs in Model 2).
However, the shape of the XLF generated with the revised
CE development criteria differs from observational, Model 1
and Model 2 XLFs: its slope is less steep up to the luminosity
LX ∼ 4.0 × 1038 erg s−1. What can be noticed is a significant
difference in the shape of IMXBs XLF (blue dashed lines on
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Fig. 1. The cumulative XLF of XRBs for M83: observations (red stars)
and Model 1 (top panel), Model 2 (middle panel) and Model 3 (bottom
panel). On the vertical axis is shown the number of XRBs which have
luminosity LX higher than the corresponding LX value on the horizontal
axis. The models are plotted with solid black lines (all XRBs) and subdi-
vided into four subcategories shown with dashed lines: HMXBs (mag-
neta), IMBXs (blue), persistent LMXBs (cyan), outbursting transient
LMXBs (green) in Model 1 or randomly selected 30 LMXBs (green) in
Model 2 and 3. Note that Model 2 is consistent with the observations in
terms of total number of XRBs and the shape of XLF. Model 3 is close
to the observations in terms of total number of XRBs but the slope of
XLF is shallower in the range log LX ∼ 36.6−38.6 erg s−1 than in Model
1 and 2.

Fig. 1) between Model 3 and other two models: IMXBs XLF in
Model 3 does not drop at luminosity ∼ 6.0 × 1037 erg s−1 but it
extends further up to LX ∼ 1.0 × 1039 erg s−1.
The higher number of luminous IMXBs in Model 3 is a result of
the adopted alternative CE development criteria that allow the
systems to evolve through the stable RLOF evolutionary chan-
nel. The binaries that would merge during CE phase initiated
by the expanding more massive star evolving in Hertzsprung
gap in the case of standard models, go through the stable RLOF
instead and after the first SN they form IMXBs with higher
donor and accretor masses and higher luminosities than IMXBs
formed through CE channel, i.e. there are formed more IMXBs
with donors close to the upper donor mass limit.
In the case of HMXBs their XLFs shapes are alike for all three
models. The evolution through the stable RLOF channel has an
effect in the shift of HMXBs XLF towards higher numbers on
y-axis. The shape of HMXBs XLF in Model 3 is not as much
affected by the CE development criteria as for IMXBs XLF
because the criteria affect HMXBs in their whole donor mass

Table 1. Observed and model numbers of XRBs for galaxy M83. Note
that Model 2 is a good approximation of observations in terms of the
total number of XRBs as well as its observed subclasses: LMXBs,
IMXBs, and HMXBs. Model 3 is closer to observations in LMXBs and
IMXBs numbers than Model 1 but is not as good as Model 1 due to the
higher number of HMXBs. Numbers in parenthesis show the estimated
number of XRBs which are predicted to end up as merging double
compact objects (NS-NS/BH-NS/BH-BH). The numbers of outburst-
ing transient LMXB (oT-LMXBs) and persistent LMXBs (P-LMXBs)
in each model are also shown.

XRB Number of systems

type Observed Model
1 2 3

LMXB 30 689 (0.7) 30 (0.0) 30 (0.0)
P-LMXB ? 441 0 2

oT-LMXB ? 248 30 28

IMXB 64 55 (0.7) 51 (0.8) 64 (1.5)
HMXB 120 75 (0.3) 116 (1.2) 169 (4.7)

Total 214 819 (1.7) 197 (2.0) 263 (6.2)

range.

Our main modeling issue was to match the numbers of
XRBs observed in M83. Typical model numbers that we find are
much too large for LMXBs and somewhat too low for IMXBs
and HMXBs (see Model 1 in Table 1). The observations show
that there is a gradient of metallicity in M83: it has the value as
high as Z ∼ 0.03 in the centre and it falls down to Z ∼ 0.006
in the far outer disc (Bresolin et al. 2005, 2009). We adopted
the value Z = 0.01 as an average in the region covered by
HST, however, we checked that changing Z within the range
observed in M83 has not much influence on the synthetic XRBs
population. For Z = 0.01, 0.02, 0.025, 0.03 the total number of
systems differs at most by a factor of 1.3.
Apart from the CE development criteria the number of HMXBs
in our simulations is influenced the most by the slope of IMF for
massive stars and SFR, within the small set of parameters that
we varied. The uncertainty of the IMF slope for the high-mass
stars, is: α3 = −2.3 ± 0.7 (Kroupa 2001). Changing α3 = −2.3
(Model 1: 75 HMXBs and 55 IMXBs) to α3 = −1.9 gener-
ates more massive stars and thus more HMXBs ans IMXBs
(227 HMXBs and 225 IMXBs). It is apparent that just with
change of IMF slope within its uncertainity we can easily match
the number of observed HMXBs (120) and IMXBs (64) in M83 .

The star formation rate of M83 derived by Lehmer et al.
(2019) is SFR = 2.5 M⊙ yr−1 and has the uncertainty of
0.1 dex (i.e. ∼ 1.26 M⊙ yr−1). We checked 4 values of SFR
(1.5, 2.0, 2.5, 3.5 M⊙ yr−1) laying within the uncertainty range.
Only the models with SFR = 3.5 M⊙ yr−1, standard IMF slope
and Z = 0.01 (e.g. Model 2) produce the number of HMXBs
(116) approaching the observations (120). The lower is SFR the
less HMXBs are formed in simulations, e.g. for the model with
SFR = 2.5 M⊙ yr−1 and Z = 0.01 (Model 1) their number drops
to 75.
From discussion above it is apparent that finely tuning either
of the two parameters (SFR or α3) leads to the desired re-
sult considering HMXBs. However, there are other observations
that motivate the specific choice of SFR that adjusts the num-
ber of HMXBs. Grimm et al. (2003) inferred the relation be-
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tween SFR and the total number N of HMXBs with luminosi-
ties LX > 2.0 × 1038 erg s−1 from the observations of 14 local
galaxies:

SFR(M⊙ yr−1) =
N(L > 2 × 1038 erg s−1)

2.9
(6)

This relation predicts that for SFR = 3.5 M⊙ yr−1 the number
of luminous HMXBs should be N ∼ 10. Our model with
SFR = 3.5 M⊙ yr−1, α3 = −2.3 and Z = 0.01 (Model 2)
gives 9 such systems. Equation 6 predicts only N ∼ 7 for
SFR = 2.5 M⊙ yr−1 while we find 17 such binaries in model
where SFR = 2.5 M⊙ yr−1, α3 = −1.9 and Z = 0.01.

We note that we did not consider transient IMXB/HMXBs
with Be-star or Oe-star donors (Oe/Be-XRBs) in the models.
Some of our XRBs with normal O/B star donors (core H-
burning) can be Oe/Be-XRBs, and if found in quiescence they
should be removed from our model populations if they are
in quiescence. The quiescence luminosity of these systems is
LX 6 1.0 × 1033 erg s−1 (e.g. Negueruela 2010) which is be-
low Chandra detectability limit for M83. We make a rough
estimation of how many HMBXs should be considered qui-
escent in our model of choice (Model 2) following the as-
sumptions in Belczynski & Ziolkowski (2009): there are 10 sys-
tems out of 116 HMXBs that have companions burning H in
their core, assuming only 25% of them are Be-XRBs (e.g.
McSwain & Gies 2005) and that their duty cycle is 10 − 30%
(Belczynski & Ziolkowski 2009) at most ∼ 1 of them is quies-
cent Be-XRBs. Excluding it from our sample would have small
influence on our conclusions, but it also implies that our number
of HMBXs in a given model is an upper limit.
While the agreement between the observational and synthetic
number of HMXBs in models with SFR = 3.5 M⊙ yr−1,
α3 = −2.3 and Z = 0.01 is satisfying, the number of IMXBs is
still too high (95 compared to 64 observed). This was the motiva-
tion to look closer at the mass limits adopted in the classification
of XRBs into three groups (see Sect. 3.1). The mass limits taken
from the comparison of the optical observations to evolutionary
tracks in H21 are accurate to 1.0 M⊙ due to the fact that stellar
evolution tracks are probed every 1.0 M⊙. Therefore, the stars of
the mass below 3.5 M⊙ may be classified as 3.0 M⊙ stars. It ap-
pears that in the sample of 95 IMXBs 44 have the secondaries
with the masses in the range 3.0 M⊙ < M2 < 3.5 M⊙. Chang-
ing the condition for the maximum mass of the donor in LMXBs
from M2 < 3.0 M⊙ to M2 < 3.5 M⊙ lowers the number of IMXBs
to 51 and brings it closer to the number derived from the obser-
vations.
The main problem for us to solve is the striking excess of
LMXBs produced in the simulations (689 in Model 1) in com-
parison to only 30 LMXBs identified in M83. LMXBs are sub-
divided into two major categories; persistent LMXBs (441 in
Model 1) and transient LMXBs in outburst (248 in Model 1;
as quiescent transients are not bright enough to make Chandra
detection threshold). The division between transient and persis-
tent LMXBs strongly depends on the disk stability limits deter-
mined by the disk instability model (see Sect. 5.3). Although
the adopted model is successful in prediction of the transient
or persistent nature of the observed LMXBs (Lasota et al. 2008;
Coriat et al. 2012) the “model calibration” (see parameter Cirr in
Eq. 4 and Eq. 5) is still highly uncertain. One could think of
shifting as many P-LMXBs into T-LMXB category, and then re-
moving them by putting some of them in quiescence (too low lu-
minosity to make Chandra threshold for the observation dataset
that we employ). However, we have already adopted the lower

limit on Cirr = 0.001 (Tetarenko et al. 2018) minimizing the
number of P-LMXBs. Higher Cirr leads to the decrease of the
critical accretion rate above which LMXBs become persistent
X-ray sources what results in more P-LMXBs in our synthetic
populations.
It was noted that for LMXBs with very low donor to accretor
mass ratio (q ≤ 0.02) the disk stability criteria presented in
Sect. 5.3 may not work due to tidal forces operating on the ac-
cretion flow (Yungelson et al. 2006). However, as pointed out by
Lasota et al. (2008) the maximum outburst luminosities inferred
from the adopted disk model (Eq. 4) for helium ultracompact X-
ray binaries are consistent with observations what indicates that
the adopted model works at least for some very low mass ratio
LMXBs.
In the case of T-LMXBs the number of systems in outburst is de-
fined by the adopted duty cycle: 2.5% of time spent in outburst
Yan & Yu (2015). Duty cycle is subject to large uncertainties and
spans the range 0.9 − 7% (see also 5.3). By lowering duty cycle
from 2.5% to 0.9% we can lower the fraction of the “visible”
T-LMXBs in the outburst in our models (e.g., from 248 to 89
for Model 1). But this hardly improves the issue. To agree with
observations we remove ("by hand") all but 30 randomly chosen
LMXBs from our synthetic populations (Model 2 and 3). By this
we admit that we are not able to reproduce even such basic prop-
erty of LMXBs population as the number of LMXBs sources
observed in well known nearby galaxy. This failure must lead to
future study of evolutionary processes that are important factors
in the formation of LMXBs (mass transfer events in close bina-
ries, natal kicks received by compact objects, magnetic braking
among other uncertain evolutionary factors).

7.2. Merging DCOs

The merging DCOs constitute 1% (Model 1 and 2) to 2%
(Model 3) of the intrinsic XRBs population in M83. The
dominant merging DCO type depends on the model: it is NS-NS
in Model 1, BH-NS in Model 2 and BH-BH in Model 3. In the
models in which we reduce the number of LMXBs to 30 sys-
tems (Model 2 and 3) the most probable progenitors of merging
DCOs are HMXBs but in the model in which P-LMXBs and
outbursting T-LMXBs are not arbitrarily removed (Model 1)
most merging DCOs come from LMXBs.
In all three models merging BH-BHs come from HMXBs with
accreting BH (BH-HMXBs). The typical evolution leading
to merging BH-BH starts from the binary composed of two
massive stars. When the initially more massive star (primary)
ends to burn hydrogen in its core its expansion leads to thermal
time-scale mass transfer (TTMT) on the less massive star
(secondary) which is still on the main sequence. The primary
loses almost its entire hydrogen envelope in the process what
inhibits its rapid expansion. The mass transfer ceases when the
donor becomes the naked He-star which forms the first BH and
the system becomes BH-HMXB in the course of its subsequent
evolution. Depending on the CE development criteria adopted
in the model the future evolution of BH-HMXB may go through
two different channels leading to the final merger: the CE
channel (the standard criteria in Model 1 and 2 Belczynski et al.
(2008)) or the stable RLOF channel (the alternative criteria in
Model 3,Olejak et al. (2021)).
In the CE channel BH-HMXB goes through the common
envelope once the donor becomes the core He-burning giant
subsequently evolving into the naked He-star. The system sur-
vives the second SN explosion becoming tight BH-BH binary
which merges within the Hubble time. In the stable RLFO chan-
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nel, after the first BH is formed, the second star leaves the main
sequence, expands and initiates TTMT onto BH but here the
alternative CE development criteria allow the system to avoid
the formation of CE. During stable TTMT phase all systems
which form merging BH-BHs in Model 3 have heavy donor star
transferring mass onto the light BH (q ∼ 4 − 5) and their orbits
shrink significantly (about 2 orders of magnitude). The mass
transfer ceases when the donor becomes the naked He-star and
the subsequent evolution of the binary follows the same path
as in Model 1 and 2 leading to the formation of merging BH-BH.

Most merging BH-NS binaries in all three models come
from IMXBs with accreting BH (BH-IMXBs) which follow the
CE evolution channel similarly to BH-HMXBs in Model 1 and
2 as described above. The alternative CE development criteria
are not fulfilled here because of the donor ZAMS mass is below
18M⊙ in these systems (see Sect.4). After CE phase the donor
becomes evolved helium star and the system mass ratio is now
low enough to allow for the stable mass transfer onto BH to
occur. Further evolution results in SN and NS formation.
If we exclude almost all LMXBs from the population (Model 2
and 3) all merging NS-NS binaries form from HMXBs when
NS is a compact object (NS-HMXB). The evolutionary paths
of NS-HMXBs are similar to these of BH-HMXBs in the same
models. The difference is that when the binary goes through the
CE stage the donor is already core He-burning H-rich star which
subsequently becomes the evolved helium star. When CE phase
ends the system is close enough for the donor to start the mass
transfer onto NS. While transferring mass the donor proceeds
onto the giant branch of He-stars. If the system survives the
subsequent SN explosion and its orbital separation is sufficiently
small it ends up as merging NS-NS.
In the model where all outbursting T-LMXBs and P-LMXBs
are included (Model 1) the population of LMXBs may have
an important contribution to the number of the progenitors of
the merging NS-NS (see Table 1). Such systems are possible
to form from LMXBs when the donor to the first-born NS
is a helium star with the mass 2.6 ≤ M ≤ 6.7 M⊙ which
subsequently evolves to become the second NS on the close
orbit (Belczyński & Kalogera 2001; Dewi et al. 2002).
The evolutionary paths of the systems leading to merging DCOs
in our simulations are given in Table A.4 in Appendix.

To understand the scarcity of the merging DCOs in the syn-
thetic population we follow the evolutionary paths of HMXBs,
IMXBs and LMXBs which do not form merging DCOs. We give
the numbers for the model of choice (Model 2) but the described
evolution is valid in all 3 models.
There are 4 typical evolutionary paths which prevent the forma-
tion of merging DCO from HMXB. Among all HMXBs which
do not end up as merging DCOs:

a) more than half (∼ 56.7%) are formed as wide binaries with a
core-helium hydrogen-rich giant donors where the accretion
takes place through the stellar wind. Wide orbit means that
the binding energy of the binary is small and as a result most
of these systems are disrupted after the supernova explosion
of the secondary.

b) ∼ 24.3% remain bound with two compact objects orbiting
each other but their separation (of order of a few thousands
R⊙) is too large for the merger to appear within the Hubble
time.

c) ∼ 11.7% (only the ones with NS) go through CE and tighten
their orbits to tens of R⊙ but the natal kicks imparted to the

newly formed NS after the second SN are strong enough to
disrupt these systems.

d) the remaining ∼ 7.3% form HMXBs with a main-sequence
donor after the first SN and with the orbital periods small
enough that they merge when the donor becomes low-mass
He-giant and initiates the common envelope phase.

In the population of IMXBs which do not merge as DCO
at their final stage of evolution almost all BH-IMXBs end up
as wide, non-interacting binaries where the companion star is
a CO white dwarf (WD) and just a few percent of BH-IMXBs
are disrupted after the second SN which leads to the birth of the
second BH. The final fate of NS-IMXBs is more diversified: (i)
the majority becomes close binaries but with merging time well
beyond Hubble time, among them about one half are NS-NS
binaries and second half are NS-WDs (CO or ONe WD); (ii)
some form NS-hybrid WD systems which eventually merge
and (iii) a few of the systems fall apart after the creation of the
second NS.
In Model 1 almost all LMXBs which do not form merging
DCOs end their lives either as NS-NS/WD-NS which do not
merge in Hubble time, or as the binaries where the compan-
ion star merges with NS/BH before it becomes a compact object.

In this work we consider only the isolated binary evolution
scenario. Among alternative scenarios for the evolution of the
progenitors of merging DCOs the most widely considered is
the scenario of the dynamical interactions in dense stellar clus-
ters. The question may arise if the XRBs from the dynamical
interactions could have the contribution to the observed XRBs
population in M83. However, the numerical simulations that in-
vestigate the possible population of dynamically formed XRBs
in Milky Way show that it is unlikely that they significantly
contribute to the observed population of LMXBs (Kremer et al.
2018). HMXBs follow the regions of higher SFR and there is
some evidence that they may be associated with young stel-
lar clusters (Kaaret et al. 2004; Garofali et al. 2012) that can be
found in the same regions. But though HMXBs may be born in
such clusters the simulations done for HMXBs in NGC 4449
show that it is very unlikely that they were formed dynamically
(Garofali et al. 2012). We assume that these conclusions also ap-
ply to M83.

8. Conclusions

We performed numerical simulations on nearby galaxy M83 to
reproduce its X-ray binary populations and to predict its ca-
pability to form merging double compact objects (sources of
gravitational-waves) out of these X-ray binaries. We find that:

1. We can match the shape of the observed X-ray luminos-
ity function, the number of XRBs and their specific subcat-
egories (LMXBs, IMXBs and HMXBs) for the evolution-
ary channel that allows for effective formation of merging
double compact objects through common envelope evolution
(Model 2). However, this match can be obtained only with ar-
tificial drastic reduction of LMXBs from our synthetic popu-
lation. This shows that the physics involved in the formation
of LMXBs is not well understood and requires further in-
depth investigation. Also, it is argued that our standard CE
development criteria may be too optimistic in the light of the
recent detailed evolutionary studies.

2. The evolutionary model in which majority of merging double
compact object formation occurs with help of stable RLOF
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(without assistance of common envelope; Model 3) does not
provide good match to the observed XLF shape. However,
we note that this model is rather extreme and restrictive
in its assumptions on CE development criteria. Possibly, a
more realistic model that can form merging double compact
objects through CE and stable RLOF (something between
Model 2 and 3) in more balanced proportions is required in
future studies.

3. Independent of our adopted evolutionary scenario only ∼
1 − 2% of M83 XRBs will form merging double compact
objects. This comes from the fact that evolution terminates
X-ray binaries in binary component interactions, binary dis-
ruptions at second supernova or leads to the formation of
wide (non-merging) double compact objects.

Note that our conclusions are not a general statement about
XRBs and their merging DCO production efficiency, but they ap-
ply only to this specific galaxy with rather high metallicity. Yet,
most of local galaxies for which X-ray observations exist have
typically high metallicity. Despite the fact that the connection
between local XRBs and merging DCOs is rather weak, studies
of XRBs populations may help constrain uncertain evolutionary
physics that is involved in formation of LIGO/Virgo/KAGRA
sources.
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Appendix A: Tables

Table A.1. The parameters adopted for three models presented in the
paper. The columns are: metallicity Z, solar metallicity Z⊙, star forma-
tion rate, the index α3 of the initial mass function in the high mass stars
regime, the adopted CE development criteria and the upper limit for a
donor mass in LMXBs.

Model Z Z⊙ SFR α3 (IMF) CE dev. M2 limit
(M⊙ yr−1) (M > 1 M⊙) criteria in LMXBs (M⊙)

1 0.01 0.014 2.5 -2.3 standard 3.0
2 0.01 0.014 3.5 -2.3 standard 3.5
3 0.01 0.014 3.5 -2.3 alternative 3.5

Table A.2. The reduction factors described in Sect. 5. for each of three
models.

Model fLX
fvis fP fDC

1 0.274 0.752 0.042 0.025
2 0.271 0.752 0.043 0.025
3 0.275 0.752 0.043 0.025

Table A.3. The average number of merging DCOs of a given type in
three models described in Sect.6.

DCO Model

type 1 2 3

NS-NS 1.00 0.60 0.56
BH-NS 0.57 0.80 2.44
BH-BH 0.14 0.60 3.22
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Table A.4. The main formation scenarios of the merging DCOs in Model 2.

DCO type Forming scenario XRB progenitor type

BH-BH MT1(2-1) BH1 CE2(14-4;14-7) BH2 HMXB
BH-NS MT1(2/9-1) BH1 CE2(14-4;14-7) MT2(14-8) NS2 IMXB
NS-NS MT1(2/3/9-1) NS1 CE2(13-5;13-8) MT2(13-8/9) NS2 HMXB

Notes.
MT1-stable RLOF, donor is initially more massive star;
MT2-stable RLOF, donor is initially less massive star;
BH1-formation of black hole by initially more massive star;
BH2-formation of black hole by initially less massive star;
NS1-formation of neutron star by initially more massive star;
NS2-formation of neutron star by initially less massive star;
CE2-common envelope initiated by initially less massive star;

Number following either ”CE” or ”MT” marks the donor star, ”1” stands for initially more massive star, ”2” stands initially less massive star.
The first value in the brackets is the type of an initially more massive component and the second value is the type of an initially less massive
component. The values after slashes, e.g. 2/9, refer to the different possible evolutionary types of binary components during given phase. In the
case of CE phase the colon divides the components types at the onset (before colon) from the components types after the envelope ejection (after
colon).
The numeric types are consistent with Hurley et al. (2002):
1 – main sequence star with M>0.7 Msun
2 – Hertzsprung gap star
3 – first giant branch star
4 – core helium burning star
5 – early asymptotic giant branch star
7 – main sequence naked helium star
8 – Hertzsprung gap naked helium star
9 – giant branch naked helium star
13 – neutron star
14 – black hole

Table A.5. The main formation scenarios of the merging DCOs in Model 3.

DCO type Forming scenario XRB progenitor type

BH-BH MT1(2-1) BH1 MT2(14-2) BH2 HMXB
BH-NS MT1(2-1) BH1 CE2(14-4;14-7) MT2(14-8) NS2 IMXB
NS-NS MT1(5/6-1) NS1 CE2(13-5;13-8) MT2(13-8/9) NS2 HMXB

Article number, page 11 of 11



Draft version May 16, 2023
Typeset using LATEX twocolumn style in AASTeX63

Spectroscopic follow-up of Gaia exoplanet candidates:

Impostor binary stars invade the Gaia DR3 astrometric exoplanet candidates.
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ABSTRACT

In this paper we report on the follow-up of five potential exoplanets detected with Gaia astrometry

and provide an overview of what is currently known about the nature of the entire Gaia astromet-

ric exoplanet candidate sample, 72 systems in total. We discuss the primary false-positive scenario

for astrometric planet detections: binary systems with alike components that produce small photo-

center motions, mimicking exoplanets. These false positives can be identified as double-lined SB2

binaries through analysis of high resolution spectra. Doing so we find that three systems, Gaia DR3

1916454200349735680, Gaia DR3 2052469973468984192, and Gaia DR3 5122670101678217728 are in-

deed near equal mass double star systems rather than exoplanetary systems. The spectra of the other

two analyzed systems, HD 40503 and HIP 66074, are consistent with the exoplanet scenario in that no

second set of lines can be found in the time series of publicly available high resolution spectra. How-

ever, their Gaia astrometric solutions imply radial-velocity semi-amplitudes ∼ 3 (HD 40503) and ∼ 15

(HIP 66074) larger than what was observed with ground based spectrographs. The Gaia astrometry

orbital solutions and ground-based radial-velocity measurements exhibit inconsistencies in six out of

a total of 12 exoplanet candidate systems where such data are available, primarily due to substantial

differences between observed ground-based radial-velocity semi-amplitudes and those implied by the

Gaia orbits. We investigated various hypotheses as to why this might be the case, and though we found

no clear perpetrator, we note that a mismatch in orbital inclination offers the most straightforward

explanation.

1. INTRODUCTION

The detection of exoplanets through the astrometric

reflex motion of their host stars has been predicted to

revolutionize the field of exoplanetary science by increas-

ing the total number of known exoplanets by a factor ∼ 4

after the nominal 5 yr mission of Gaia (Gaia Collabora-

tion et al. 2016) and a factor ∼ 14 for the extended 10 yr

mission (Perryman et al. 2014). A benefit of the astro-

metric planet detection method over the Radial-Velocity

(RV) method is that it provides the full orbital solution

and the mass of the planet, though obtaining the pre-

cision needed for detecting planetary-mass companions

is comparatively harder with this method. The astro-

metric detection sensitivity increases with orbital sepa-

ration, opposite to the RV and transit methods which

are most suitable for shorter period systems. This makes

the methods highly complementary.

On June 13 2022 the Gaia Data Release 3 (DR3)

was published (Gaia Collaboration et al. 2022a). This

E-mail: marcuslmarcussen@gmail.com

is the first data release where non-single source solu-

tions are included. A single Keplarian astrometric or-

bit model is used. The 169 277 orbital solutions re-

leased were compiled from 34 months of Gaia observa-

tion (Halbwachs et al. 2022), illustrating the potential

of astrometric planet searches. However, the majority

of these solutions stem from double star systems, which

produce much larger astrometric signals than planetary

systems. A small number of the released orbital solu-

tions (1162) are from the more resource-intensive ”exo-

planet” pipeline (Holl et al. 2022a) aimed at low signal-

to-noise ratio targets with substellar and particularly

exoplanetary mass companions. The inputs for this ex-

oplanet pipeline were either targets where the two body

orbit model of the ”binary” pipeline (Gaia Collabora-

tion et al. 2022b) did not improve enough the single star

fit (the orbitalAlternative solutions) or were pre-

selected targets (orbitalTargetedSearch). Many of

the pre-selected targets were chosen because they were

known to harbor planets or brown dwarfs beforehand.

In total 1843 astrometric brown dwarf and 72 exoplanet
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Figure 1. Astrometric exoplanet candidate systems in an HR diagram. All Gaia DR3 systems where the astrometric
two-body motion of the source is small enough to indicate a companion with a mass < 20MJup, assuming the companion does not
contribute any flux, are shown here as circles. The released Gaia astrometric exoplanet candidates are shown using closed circles
while open circles indicate systems where a lower bound on the flux of the companion is non-zero as per the binary masses table.
Large circles indicate systems where the nature of the companion is confirmed, either here or in the literature, see also table 1.
The systems are colored according to the current knowledge of the nature of the companion, where brown indicates a planetary
companion, orange indicates a stellar companion and cyan indicates that it is unknown. The two white dots indicate two white
dwarf hosts where the companion nature is unknown. The comparison stars shown in the background are the 1 000 000 nearest
to us Gaia DR3 stars whose estimated parallax is more than 10 times its uncertainty. The density of these stars is represented
as a purple-to-yellow heatmap, where purple (yellow) indicates a low (high) density. Since most of the planet candidates are
too faint to have Gaia DR3 reddening and extinction parameters, candidates and comparison stars alike are shown using their
uncorrected colors and magnitudes. The black dashed line represents the best fit to the Main Sequence. The six systems
discussed in detail in section 4 are indicated by their name.

candidates were published in DR3 (Gaia Collaboration

et al. 2022b).

An overview of all 102 systems with astrometric sig-

nals small enough to naively imply a companion mass

< 20MJup are shown in Fig. 1 in a color-magnitude dia-

gram. In order to get a sense of the prevalence of binary

systems to exoplanetary systems, the figure includes 30

systems that are not among the 72 released exoplanet

candidates 1, due to their high likelihood of being bina-

ries. For the masses of the primary stars we used the

m1 masses from the binary masses table where available.

For a few systems where these were not available we

used the single-source mass flame from the astrophysi-

cal parameters table. The systems are colored accord-

1 https://www.cosmos.esa.int/web/gaia/exoplanets

ing to the current status of their nature, also available

in table 1. A subset of the systems in this table have

already been studied for consistency between the astro-

metric and radial velocity data by Holl et al. (2022a),

Gaia Collaboration et al. (2022b) and Winn (2022). We

discuss their results in the sections of the specific sys-

tems. In Fig. 2 we show for these same systems the

companion mass estimates, apparent magnitudes, and

the relative uncertainty of their astrometric orbits. We

note that only 17 of the systems have companion mass

estimates below the often-used planet/brown dwarf limit

of 13MJup.

With only one previous discovery (Curiel et al. 2022),

astrometry is not yet a well-developed technique for the

detection of exoplanets. The method comes with its

own set of unique challenges. In particular, the photo-
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Figure 2. Exoplanet candidate parameters. Top panel: Companion masses of the same sample as shown in Fig. 1
are calculated under the assumption that their flux contribution is negligible compared to their host and assuming Gaussian
uncertainties in photocenter semi-major axis a0, orbital period P and primary mass M1. Middle panel: The G magnitudes of
the sample. Bottom panel: The size of the photocenter semi-major axis relative to its uncertainty, which can be taken as a
proxy for the robustness of the Keplarian orbit detection.

center (the apparent position of the objects) motion of

a binary system can be arbitrarily small, and thereby

mimic a low-mass companion, as the flux ratio of the

two stars approaches their mass ratio. In order for Gaia

to achieve its full planet detection potential we need to

understand better the nature of these challenges, their

prevalence as well as provide paths to overcome them.

In this work we discuss possible steps to confirm or reject

the planet status of an astrometric candidate system us-

ing high resolution spectra. Specifically we are employ-

ing both publicly available spectra (of the three poten-

tially new astrometric exoplanet discoveries discussed in

Holl et al. 2022a and Gaia Collaboration et al. 2022b)

as well as new FIES spectra (of another three exoplanet

candidates) that we obtained from the Nordic Optical

Telescope.2

Our paper is structured as follows: We first summa-
rize important aspects of astrometric binary signals, sec-

tion 2, and discuss how to differentiate between genuine

planet detections and false positives, section 3. In sec-

tion 4 we analyze six exoplanet candidate systems, and

discuss our findings in section 5.

2. ASTROMETRIC SIGNAL

A star and its companion orbit their common barycen-

ter. If the companion is an exoplanet, i.e. dark and

low mass, the observed astrometric reflex motion of the

source is small and coincides with the motion of the

star. If the companion is another star though, i.e. it has

a higher mass and contributes flux, the actual motion of

2 These spectra have been obtained through the
Fast-Track channel available at the observatory.
http://www.not.iac.es/observing/proposals/
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the primary star is then larger, but the observable, the

photocenter of the system, is located between the two

components. Its astrometric amplitude is smaller than

the actual motion of the primary star and can be arbi-

trary small given the system parameters. In this section

we outline how the observed semi-major axis relates to

the flux and mass ratios of the components in systems

where the primary component has a single companion

(subsection 2.1) and in systems where an inner pair of

stars orbit an outer companion (subsection 2.2).

The total astrometric motion of a star orbited by a

single companion is the linear combination of the 5-

parameter single source astrometric model and a Ke-

plarian 7-parameter model. The single-source model

consists of the two position parameters RA & Dec, the

proper motions, µRA & µDec, and the parallax, $. The

Keplarian model consists of the orbital period P , time of

perisastron passage T0, eccentricity e, semi-major axis

of the star’s orbit a1, the orbital inclination i, the ar-

gument of periastron ω, and the right ascension of the

ascending node Ω. The latter four parameters are the

Campbell elements that may also be expressed by the

Thiele Innes coefficients A, B, F, G. For more infor-

mation on the Thiele Innes coefficients and how they

are derived from the Gaia along-scan measurements, see

Gaia Collaboration et al. (2022b).

2.1. Binary systems

For systems with a single companion, the semi-major

axis of the relative orbit a is the sum of the semi-major

axes a1 and a2 around the barycenter of the star and

companion respectively, see Fig. 3. The ratio of the

semi-major axes is equal to the inverse ratio of the

masses, M2/M1 = a1/a2 ≡ q, giving

a1 = a
M2

M2 +M1
= a

q

q + 1
. (1)

However, in completely unresolved systems where the

secondary component has a non-negligible flux, we ob-

serve the motion of system’s photocenter, i.e. the flux-

weighted mean position of the two components. This

gives the following definition for the semi-major axis of

the photocenter a0:

a0 =

∣∣∣∣F1a1 − F2a2
F1 + F2

∣∣∣∣ . (2)

Here Fi indicate the flux of the i’th component (in the

band-pass in which the astrometric signal is measured).

Trivially, the astrometric observable, a0, is equal to a1
when the companion is dark (F2 = 0). This scenario is

illustrated in the left panel of Fig. 3. A ratio of the fluxes

of ε ≡ F2/F1 equal to one leads to a0 = a1 − a2. If q is

also 1, then the photocenter remains in the barycenter

of the system. In the case that F2 is non-zero the semi-

major axis of the photocenter is given by:

a0 =

∣∣∣∣F1a1 − F2a2
F1 + F2

∣∣∣∣ =

∣∣∣∣a1 − εa2
1 + ε

∣∣∣∣
=

∣∣∣∣a− a2 − εa2
1 + ε

∣∣∣∣
=

∣∣∣∣ a

1 + ε

(
1 − 1

1 + q
(1 + ε)

)∣∣∣∣
=

∣∣∣∣a( 1

1 + ε
− 1

1 + q

)∣∣∣∣ . (3)

And making use of Kepler’s third law we find:

a30 =

∣∣∣∣∣GM1

(
P

2π

)2

(1 + q)

(
1

1 + q
− 1

1 + ε

)3
∣∣∣∣∣ . (4)

The gravitational constant is indicated by G. A tiny

photocenter movement may thus originate from two

common but astrometrically indistinguishable scenarios:

I) A single star orbited by a dark, low-mass companion

or II) A double-star system with ε ≈ q, illustrated in

the left and middle panels of Fig. 3 respectively. There-

fore in order to confirm an astrometric exoplanet can-

didate detected by the small astrometric reflex motion

of its host star, additional measurements using different

methods are needed.

We note that if q exceeds ε, the location of the pho-

tocenter is between the barycenter and the secondary

component rather than the primary. This will result in

a 180◦ phase-shift in ω of the photocenter orbit. With

RV measurements of the primary component, one would

in principle be able to distinguish between q > ε and

q < ε by the opposing sign of the RV signal to that in-

ferred by the astrometric photocenter motion. However,

because the astrometric motion is the sky-projection of

the three-dimensional orbit one cannot a priori distin-

guish between the configurations (Ω, ω) and (Ω + 180◦,

ω + 180◦). Even though we can resolve this ambiguity

of the photocenter orbital configuration by combining

RV data with an astrometric solution, we thus still face

uncertainty about whether the orbit corresponds to the

orbit of the primary or secondary component of the sys-

tem. In other words, if the RV signal’s sign contradicts

our expectations from the photocenter orbit, it remains

unclear whether this discrepancy arises from an incor-

rect assumption about ω or from a larger value of q

compared to ε. In order to truly lift this degeneracy,

second order effects like the light-travel time (light has

a shorter travel distance when the component is on ”our
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Figure 3. Photocenter. Not-to-scale illustration of three different geometries of face-on, circular orbits that the same
astrometric signal may originate from. Left panel: An exoplanet orbiting a star. The semi-major axis of the exoplanet orbit,
a2, is much larger than the orbit of the star, a1, due to the large difference in mass. The flux contribution from the planet is
negligible and thus the photocenter closely follows the star. Middle panel: Twin stars (i.e. almost equal flux and mass stars) orbit
their barycenter (black dot). The primary component, the yellow star, is slightly more massive than the secondary component,
the red star, leading to a smaller semi-major axis a1 than a2. The ratio of the masses is slightly higher than the ratio of the
received fluxes, M2/M1 > F2/F1, resulting in a small photocenter semi-major axis a0 that traces out (a diminished version of)
the orbit of the primary component. Right panel: Two stars with significantly different masses and fluxes in a hierarchical triple
system, where the center-of-mass of the red and yellow star orbit around a larger and brighter third component that is very far
away and shown in white. The flux of the third component diminishes the size of the photocenter semi-major axis but does not
contribute to the astrometric signal due to its very long period. The photocenter semi-major axis would be larger and more
closely follow the yellow star if not for the third component.

side” of the sky-plane) and local perspective effects (the

parallax is larger when the component is on ”our side”

of the sky-plane) would need to be taken into account

(Halbwachs 2009). These effects are not modeled in Gaia

DR3. If we do not know whether the photocenter orbit

traces out the orbit of the secondary or primary, i.e. if

q is larger or smaller than ε, and if we have no prior

on the flux ratio of the components, i.e. ε is anywhere

between 0 and 1, knowledge of a0 alone is not enough

to determine M2.

2.2. Triple systems

Another configuration that could conceivably produce

a small photocenter semi-major axis, a0, is a hierarchical

triple star system where a large amplitude astrometric

signal from a double star system is muted by the pres-

ence of a brighter third component further away. If the

distance to the third component is sufficiently large (but

not so large as to be resolvable), its long term contri-

bution to the astrometry would be undetectable in the

Gaia data but the amplitude of a0 would be diminished

by a factor

(F1 + F2)/F3. (5)

Where F3 denotes the flux of the third star in the

relevant band pass. This is illustrated in the right hand

panel of Fig. 3. The third component might also be a

non associated source i.e., a chance alignment.

3. DIFFERENTIATING BETWEEN STELLAR AND

PLANETARY COMPANIONS

In this section we describe ways to determine the na-

ture of a companion given the detection of an astromet-

ric Keplarian signal with a small photocenter.

3.1. Color-magnitude relation

The luminosity of a star on the Main Sequence can

be well constrained by its effective temperature. A sys-

tem of two identical, unresolved stars has twice the lu-

minosity of a similar single star but the same effective

temperature, in turn elevating its position relative to

the single star Main-Sequence in an HR-diagram. This

fact allows for an estimate of the flux ratio F1/F2 us-

ing isochrones (Gaia Collaboration et al. 2022b) giving

a first indication of whether an astrometric two-body

orbit is caused by a stellar or substellar companion. In

Fig. 1 we can observe how all the systems whose flux

ratio have been estimated to be non-zero this way (in-

dicated by open circles), are located clearly above the

single star Main Sequence, i.e. their luminosity is higher

than expected, given its observed color, if the system

were a single star. For DR3 systems with both astro-

metric and spectroscopic solutions, first M2 is derived

from the RV semi-amplitude, K, via equation 3 in Gaia

Collaboration et al. (2022b), and then the flux ratio is

inferred from how much smaller the astrometric signal

is (our equation 3). The masses shown in Fig. 2 are all



6

calculated using eq. 4 from the astrometric semi-major

axis alone, i.e. using F2 = 0 for all systems. We do

this in order to get a better sense of the ratio of stellar

companions to substellar companions among all orbital

solutions with small a0.

3.2. Spectra

High resolution spectroscopic follow-up observations

can be used to reveal the impostor binaries among the

astrometric exoplanet candidate systems. Spectra from

star-planet systems are fundamentally different from

star-star systems: only one set of absorption lines are

present and the radial velocity of the host star is much

smaller due to the lower mass of the companion. This

means the Doppler-shift of the spectrum over time is

much smaller. Depending on whether an impostor bi-

nary system consists of two truly identical twins (i.e.

have very similar effective temperatures, luminosities,

rotation speeds and masses) or are significantly differ-

ent stars whose q happen to be close to ε (e.g. a red giant

and a Main Sequence star), the two sets of oppositely

shifting absorption lines produced by the binary system

may present themselves differently:

Uneven twin impostors — If one of the component is

of a very different stellar class and/or has a very dif-

ferent rotation rate, the absorption lines from a single

component may dominate the spectrum of the system.

Such a system would be classified as a single lined binary

(SB1) system. Impostors of this type allow us to mea-

sure the orbital RV semi-amplitude of the component

most visible in the spectra, which will be significantly

larger than if it were an exoplanetary system. If an as-

trometric exoplanet candidate is in fact an SB1 binary,

a few observations at different orbital phases are enough

to identify it as such. If the orbital period and time of

periastron passage are well determined from the astrom-

etry such that the follow-up observations are ensured to

be undertaken at advantageous points of the orbit, just

two observations may be enough.

Identical twin impostors — If, on the other hand, the two

stars are very alike in every way, their absorption lines

will be similar in shape and size. Additionally, the RV

shift of each stars absorption lines will be equal in am-

plitude but with opposite signs. These impostors may

be identified as double lined (SB2) binaries rather than

exoplanets with a single observation, if the RV separa-

tion of the two stars is of the order of (or larger than)

the combined absorption line-width of the stars and the

spectral resolution is sufficient. In that case, their iden-

tification as false positive candidates is trivial.

However, depending on the spectral resolution of the

instrument, the orbital phase of the observations, the

orbital inclination, the period, the masses of the compo-

nents and the absorption line-widths, each stars absorp-

tion lines may not always be clearly separated. When

that is the case, the RV shift of the two sets of absorp-

tion lines may be identified as a change of the line width,

i.e., the FWHM (Full Width at Half Maximum), of the

combined line. Observing a small RV semi-amplitude of

what appears to be a line of a single star does there-

fore not rule out the possibility that the companion is

an identical stellar twin. The midpoint of this combined

line from two unresolved sets of absorption lines will RV

shift slightly, given by small flux and/or rotation speed

differences of the two stars. We simulated the RV shift

of a combined line from two almost identical twin bina-

ries to test whether its small RV semi-amplitude could

mimic that of a star orbited by a planetary companion.

Fig. 4 illustrates this. Here we assumed a simple

ε = q4 mass-luminosity relation, though as long as the

mass ratio is always closer to 1 than the flux ratio, the

steepness of the relation did not qualitatively change

our results. We then varied the ε/q ratios of the sim-

ulated systems from 0 to 1 and calculated the mass of

the companion as inferred by the astrometric method

and the RV method, see the left panel of Fig. 4. The

width of the simulated absorption lines of the primary

and secondary components were kept equal. In the right

panel we show that as long as the RV semi-amplitude is

. v sin i of the components, the determined companion

mass as determined by the two methods is very similar.

However, the ratio of the RV determined mass to the as-

trometric mass, M2,RV /M2,astrometry becomes increas-

ingly sensitive to small changes in rotation speed differ-

ences between the components and in the mass ratio of

the components as ε/q approaches 1. In conclusion, if

the spectral resolution is low, both the astrometric and

RV data may falsely – but consistently between the data

sets – indicate the presence of an orbiting exoplanet for

some systems. In those cases, changes in the line width

will be a better indicator for identifying the stellar na-

ture of the companion.

The Gaia spectral line broadening parameter vbroad,

which is the median of epoch vbroad measurements from

the Gaia Radial Velocity Spectrometer, may be useful

for identifying twin binary systems without the need for

ground-based follow-up. The median vbroad of the 412

Gaia non-single-source solutions with flux ratios above

0.25 is 15.9 km s−1, whereas it is 10.9 km s−1 for the

19 799 systems with flux ratios below 0.25. Unfortu-

nately, vbroad is only available for stars brighter than
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Figure 4. Astrometry and RV simulations. Left: The mass of a companion as determined by astrometry (dashed line) and
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determined mass to the astrometry determined mass.

Gmag12 and most current astrometric exoplanet candi-

dates are found around fainter stars (see Fig. 2).

4. EXAMPLE SYSTEMS

In this section we analyze spectra of six astrometric

exoplanet candidate systems to clarify the nature of the

companions that cause a Keplarian motion of their host

star. The first three systems, HD 68638, HD 40503

and HIP 66074, also highlighted by Holl et al. (2022a),

have publicly available archival high resolution spectra

that we reanalyzed. The latter three systems, Gaia DR3

2052469973468984192, Gaia DR3 1916454200349735680

and Gaia DR3 5122670101678217728, were investigated

using high resolution spectra that we obtained with the

FIES spectrograph installed at the Nordic Optical Tele-

scope (NOT). The RVs inferred from these spectra en-

able us to supply the non-degenerate orbital solutions

for the photocenters of the former three systems. Below

we discuss our findings for each system separately.

4.1. HD 68638

HD 68638 (Gaia DR3 1035000055055287680) is a G

magnitude 7.3 system whose orbital solution was high-

lighted in Holl et al. (2022a) and Gaia Collaboration

et al. (2022b) because of its small photocenter semi-

major axis. Despite its slightly elevated position in the

HR diagram (Fig. 1), its Gaia DR3 lower bound flux

ratio is 0. Although this system has previously been

characterized as a binary system (Busà et al. 2007), in

order to test our methodology and to better understand

the characteristics of false-positives, we reanalyzed the

27 publicly available ELODIE spectra of this system.

In the bottom left panel of Fig. 5 we present the CCFs

(Cross-Correlation Functions) obtained from these spec-

tra along with the Gaia astrometric two-body orbital so-

lution in the top left panel. Where the relative RVs are

largest the CCF displays two peaks with similar widths

and heights, confirming the twin SB2 status of this sys-

tem. The same conclusion was reached by Holl et al.

(2022a) and Gaia Collaboration et al. (2022b). In the

top right panel of the same figure we show the RV curve

implied by the Gaia astrometric solution. To illustrate

how the FWHM correlates with orbital phase, we show

in the middle right panel the expected FWHM of the av-

erage absorption line as implied by the Gaia orbit. The

measured FWHM of the ELODIE spectra are superim-

posed on this. By increasing the eccentricity of the Gaia

orbit (shown as a dashed line) from 0.32 to 0.6 we get a

better fitting orbit solution with the observed FWHM.

For the sake of consistency we calculated the FWHM of

the total CCF even when the CCF splitting is apparent.

4.2. HD 40503

HD 40503 (Gaia DR3 2884087104955208064, HIP

28193) was discussed in Holl et al. (2022a) and Gaia Col-

laboration et al. (2022b) as a potential new exoplanet

discovery, because the 826d orbital period derived by

Gaia is consistent with the periodicity in publicly avail-

able Coralie and HARPS spectra. In Fig. 6 we show

CCFs from these spectra as well as the FWHM as a

function of orbital phase, none of which indicate bina-

rity. Because we see no indications that the compan-

ion is a binary, we compare the Gaia RV curve to the
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Figure 5. HD 68638. Top left: The geometry of the Gaia two-body orbital solution for the photocenter is shown with north
pointing up and east pointing left. The Gaia parameters are printed as well. The barycenter is shown as a black dot and the
star is shown at periastron as an orange dot with the direction of motion indicated by the black arrow. The line through the
barycenter represents the orbital angular momentum vector. The positive direction of the angular momentum is marked with
an arrow that is occluded by the orbital disk in this particular view. The light gray part of the orbit with a solid orange outline
indicates the near side of the sky plane and the dark gray part with a dashed outline indicates the far side of the sky plane. The
blue circles are the location on the orbit of the RV measurements. Bottom left: CCFs from all 27 publicly available ELODIE
spectra are shown and colored according to their FWHM. Top right: The solid black line indicates the expected radial velocity
curve of the primary component based on the Gaia-derived orbital and stellar parameters assuming two equal-mass companions.
The dashed line represents an orbit with a higher eccentricity of 0.6. Middle right: The FWHM of the CCFs are shown as blue
dots as a function of orbital phase. The solid black line is the FWHM as a function of orbital phase inferred from the Gaia
orbit. The dashed black line represents the FWHM of a more eccentric orbit that is a better fit to the observed FWHM. Bottom
right: CCFs plotted with a horizontal offset so their midpoints are located under their respective FWHM data points of the
middle right panel.

HARPS and CORALIE data points (top and right pan-

els of Fig. 6). Although we also find the Gaia period of

826 ± 50 d to be consistent within 2σ of our 758 d best

fit to the RV data, the RV semi-amplitudes are highly

inconsistent: The Gaia photocenter semi-major axis of

a0 = 0.010 au (0.25 mas) implies a companion mass

of 5.18 ± 0.59MJup, assuming F2 = 0, whereas the ob-

served RV amplitude would imply a companion mass of

1.55 ± 0.18MJup. The observed discrepancies are possi-

bly due to stellar activity affecting the RVs as noted by

Holl et al. (2022a) and Winn (2022). However, it is in-

teresting that the grounds-based RVs of HIP 66074 (see

also below) as well as HR 810 (Winn 2022) also have

much smaller RV semi-amplitudes than their Gaia orbit

counterparts.

4.3. HIP 66074

The system HIP 66074 (Gaia DR3 1712614124767394816)

was discussed by Holl et al. (2022a) and Winn (2022)

because of its small photocenter semi-major axis of

0.0075 au (0.21 mas), which is consistent with a

6.9 ± 1.1MJup mass companion. In Fig. 7 we show

our CCFs derived from the public HIRES spectra that

show no sign of double lines or FWHM changing with

orbital phase, ruling out a twin binary system.

The orbital period, eccentricity, time of periastron

passage, and argument of periastron from the Gaia
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Figure 6. HD 40503. Shown here is the geometry and orbital parameters of HD 40503 as well as RV measurements in red
and blue from the HARPS and CORALIE spectrographs respectively. The black dashed line represents the best fit to the RV
data alone.

orbital solution and the best RV fit to the ground-

based data are all within just 1σ of each other (Winn
2022). However, there is an enormous factor 15 semi-

amplitude discrepancy between the ground-based RV

data and Gaia astrometric data as highlighted by Holl

et al. (2022a) and Winn (2022). Interestingly, although

they caution its interpretation, Winn (2022) do find an

excellent fit between the two data sets with the only

caveat that the companion needs a substantial flux ratio

of ε = 1 ± 0.12%. This flux ratio is well above the mass

ratio of q = 0.063% which would imply that the photo-

center orbit is a scaled-down version of the companion’s

orbit and not the host star’s orbit. It also implies a

seemingly unrealistic luminosity of the planet: assum-

ing the companion has a radius of 1RJup, radiating 1%

of the flux seen from HIP 66074 as a blackbody puts its

effective temperature at around 3 400 K! To find more

plausible explanations to the large semi-amplitude dis-

crepancy, we considered several hypotheses. Below we

go through these and discuss the challenges each has:

There is no companion — The independent detections

of an orbit with similar orbital parameters by Gaia as-

trometry and HIRES RVs makes it very unlikely that

the Keplarian motion of the source is a simple case of a

false-positive detection.

Stellar activity affecting the RVs — Perhaps, as may be

the case for HD 40503, stellar activity affects and mutes

the RVs? If that were the case, we would not expect the

RV semi-amplitude to be the only affected parameter.

We might also expect deformations in the CCFs, which

we do not see (Fig. 7).

Additional planets — Would affect the reflex motion of

the host star and thus the RVs and could erase or mute

a two-body orbital signal. However, because the astro-

metric and RV data would be affected equally by addi-
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Figure 7. HIP 66074. Shown here is the Gaia geometry and orbital parameters of HIP 66074 as well as RV measurements
in blue derived from HIRES spectra. The Gaia astrometry and RV data are in excellent agreement except for a large factor 15
disagreement in the RV amplitudes between the data sets. In the bottom left we show CCFs that we obtained from the HIRES
spectra. In contrast to Fig. 5, the CCFs from the different observations are so similar that they look like one, ruling a stellar
companion.

tional planets, it does not describe the large observed

RV semi-amplitude difference. Additionally, if the mo-

tion of the host star is the linear combination of several

Keplarian orbits, the simple two-body model would not

fit the data as well as it does.

The Gaia semi-major axis is overestimated — If the actual

size of a0 was a factor 15 smaller than the reported value

of 0.21 ± 0.03 mas then the two independent data sets

would agree. The issue with this explanation is that an

astrometric two-body orbit with an angular diameter of

0.014 mas would then have been detected, which is well

below the precision of Gaia.

Triple system — Another potential explanation is that

we are observing the orbit of a binary system which it-

self is part of a hierarchical triple system (Fig. 3, right

panel). In such a system the astrometric and RV sig-

nature of the binary orbit could be muted by different

amounts, preserving all observed characteristics of the

orbit other than their apparent amplitudes. The mecha-

nism is as follows: The hypothetical spectrum from such

a system would be a combination of lines from all three

components, but only the spectra from the two binaries

would shift in velocity space. If the components are not

separately identified in the spectrum, the obtained RV

signal would be muted relative to a signal from just the

binary system. The astrometric signal of the close bi-

nary would also be muted by the polluting light from

the third component, but not necessarily by the same

amount as the RV signal. As shown in section 2, the

astrometric signal is muted by a factor (F1 +F2)/F3 by

a bright, third component on a long orbit.

The boundary conditions of this scenario are i) the

third component must be on a distant enough orbit that

the corrections to the two-body orbit of the double-stars

is undetectable and ii) it is close enough to the binary

system that it cannot be spatially resolved by Gaia. To

get an estimate of the possible range of orbital periods
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where both of these criteria are fulfilled, we conserva-

tively assume a total mass of the triple system equal

to the binary masses m1 mass. This puts an upper

limit on the orbital period of the third component’s or-

bit of around 16.5 years. To calculate this, we used

its distance to us of 35 pc and Gaia’s 0.23 arcsec two-

body resolving limit3. On the near-end the orbital pe-

riod would need to be several times the 34 month base-

line of DR3 to not significantly impact the two-body

orbital solution. However, any unresolved companion

with an intermediate orbital period (∼ 4 − 75y, Gaia

Collaboration et al. (2022b); Kervella et al. (2022)) can

also be probed by the difference in proper motion it

will have caused between Gaia and HIPPARCOS (HIP

1997) single source proper motions. The proper motion

anomaly between these catalogues for HIP 66074 is only

χ2 = 0.072 (Brandt 2021), where, for reference, a three

sigma difference corresponds to χ2 = 11.8, leaving lit-

tle room to hide for a third component. Even so, to

test the scenario we extended our simulation of RV and

astrometric measurements of binary systems, described

in section 3, to encompass a third component. We also

allowed the color, rotation speed and flux ratio of the

components to vary significantly. Lastly, we took into

account the slightly redder band pass of Gaia compared

to HIRES. Depending on the configuration of stars, the

band pass differences can amplify the relative brightness

and thus the astrometric signal of two red binary stars

relative to a hotter and bluer third component as much

as a factor ∼ 1.9. The effects on RVs by the inclusion

of a third component in the spectrum depends not only

on the flux ratios of the components but also the widths

of the absorption lines. A faster (slower) rotation of

the third star compared to the two close components

diminishes (increases) the impact of the third star on

the combined spectrum, and thereby on the extracted

RVs from that spectrum. The exact influence is fur-

ther modified by the ratio of the rotational to orbital

velocities at the epoch of observations and the RV ex-

traction method, e.g. template matching, CCF, or the

iodine method. Our simulations showed RV signals di-

minished up to ∼5-6 times (1.9 from the band pass and

∼2.5-3 from differences in flux and rotation) relative to

the astrometric one but none of the configurations we

tested were able to reproduce all the observables to a

satisfying degree.

Additionally, our simulations showed that the RVs

were muted in an increasingly non-linear fashion as the

influence of the third component increased. The result-

3 https://www.cosmos.esa.int/web/gaia/science-performance

ing deformed shape of the RV curve meant worse fitting

RVs at best and an unrecognizable RV curve at worst.

We note that the HIRES observations employed the io-

dine method (e.g. Butler et al. 1996) and we tested here

the effect of the third star on the CCFs and its RVs as

measured by a Gaussian. We do not expect that the

effect of the third star on the HIRES RVs to be exactly

the same.

Nearly face-on orbit — An ”easy” way to get a large

difference in semi-amplitude between the astrometric

and RV orbits is if the orbit of HIP 66074 is seen

nearly face-on rather than edge-on. The orbital incli-

nation of i = 90.3 ± 4.67◦, as reported in Gaia DR3,

does make this explanation seem unlikely. However,

the one-dimensionality of the Gaia along-scan abscissa

measurements for targets dimmer than G = 13 can give

rise to degenerate solutions of the two-body models

that are not necessarily close in parameter-space (Holl

et al. 2022b). It may also be worth noting that the

majority of exoplanet candidates lie above this exact

magnitude threshold. The issue will be more prominent

if the number of data points is not much larger than the

number of free parameters of the model. As mentioned

in section 1, the Gaia nss two body orbit solutions

have 12 free parameters. In the case of HIP 66074,

38 measurements spread out over 28 distinct visibility

periods4 were used to calculate the astrometric solution.

28 visibility periods is in fact higher than the exoplanet

candidate average, giving no obvious reason to distrust

the quoted orbital inclination. Without access to the

epoch data, a more in-depth analysis is not currently

possible.

4.4. Gaia DR3 1916454200349735680

Gaia DR3 1916454200349735680 (G5680) is the first of

three systems we observed with the FIES spectrograph

at the NOT. We obtained two spectra of the system

three weeks apart. G5680 is characterized in Gaia as a

K-dwarf and has a G magnitude of 10.9. Its location

in the HR-diagram is visibly elevated, see Fig. 1. This

elevation was the reason for including it in our small

sample as it serves as a test of whether the location in

an HR diagram can be used to gauge the likelihood of

a binary false positive. The suspicion that this system

was a binary was confirmed right away by inspecting

the CCFs (Fig. 8, top panel). The CCF of both spec-

4 A visibility period is defined as ”a group of observa-
tions separated from other groups by a gap of at least 4
days” as paraphrased from the Gaia online documentation,
https://gea.esac.esa.int/archive/documentation/GDR3/ .
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Figure 8. NOT targets. Each row corresponds to one of the three NOT fast track targets. These systems are, from top to
bottom: Gaia DR3 052469973468984192, Gaia DR3 916454200349735680, and Gaia DR3 5122670101678217728. Left column:
The most likely orbits from the Gaia astrometric two-body solution are shown alongside the orbital parameters and their
uncertainties. Middle column: RV curve of the primary component as inferred from the Gaia orbital solution. The left y-axis
scaling assumes the companion to have a mass equal to the primary. The right y-axis scaling assumes the companion to be dark.
The two NOT observations are shown as solid and dotted lines. The gray shaded areas indicate the 1σ uncertainties in orbital
phase of these observations. The rectangles are darker where the uncertainties overlap. The large uncertainties in orbital phase
timing are caused by the long baseline between the Gaia and NOT observations. Right column: CCFs obtained from the FIES
spectra, using line styles corresponding to those from the middle column.
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tra display a clear double peak structure indicating it

is an SB2 binary. The similar heights and widths of

the CCFs show that the two stars are very similar and

that this system is a prototypical twin binary impos-

tor. The difference in the separation between the CCF

peaks implies a decrease in the radial component of the

primary component’s orbital velocity from ∼ 7.7 km s−1

to ∼ 5.8 km s−1 in the 21 days between our observa-

tions of the system. Such a decrease in RV fits with

the first observation being at an orbital phase of around

0.92 and the second at 1, corresponding to 18.3 days.

Here we assumed equal mass of the components equal

to the M1 binary masses value of 0.63M� and using

Gaia’s orbital inclination of 127◦. The period and incli-

nation of the nss two body orbit orbital solution are

thus consistent with our observations.

4.5. Gaia DR3 2052469973468984192

Gaia DR3 2052469973468984192 (G4192), our second

FIES target, is classified as an M-dwarf with a G magni-

tude of 10.7. It is located right on the single star Main-

Sequence in the HR-diagram (Fig. 1), so the expectation

would be that the small astrometric motion of the photo-

center, a0 = 0.02 au (1.14 mas) would originate from an

orbiting Brown Dwarf with a mass of 22.9 ± 1.6MJup,

as per equation 3. However, despite the first observa-

tion showing only a single CCF peak, this system is also

a twin binary system, evident by the two-peaked CCF

of the second observation obtained a few weeks later,

see Fig. 8 middle panel. The separation between the

CCF peaks increases from 0 km s−1 to 4.6 km s−1 be-

tween the two observations. Using the quoted inclina-

tion of 141◦ and M1 = M2 = 0.47M�, where the mass

once again taken to be the binary massesM1 mass, this

RV separation would be expected to take 33.2 days.

The actual gap between the observations was 21 days.
While not wildly different, we do not attempt to inves-

tigate whether this discrepancy is caused by an under-

estimate of M1 or an overestimate of either the incli-

nation or the orbital period. We do note however that

1/ sin 141◦ ≈ 33.2/21, or in other words, if the configu-

ration of the orbit is edge-on it would exactly account

for the discrepancy.

4.6. DR3 5122670101678217728

The third and last of our FIES Fast Track targets is

the system Gaia DR3 5122670101678217728 (G7728). It

is classified as a G-dwarf by Gaia and has a G magni-

tude of 8.9. The observed photocenter semi-major axis

is a0 = 0.029 au (0.28 ± 0.03 mas), which amounts to a

companion mass of 15.6 ± 1.7MJup, assuming the com-

panion is dark and using the mass estimate of the pri-

mary provided by Gaia. However, just like the two other

FIES systems, the binary nature of the system is re-

vealed by the double peak feature of the CCF obtained

at a larger RV separation, see the bottom panel of Fig. 8.

The two peaks are extremely similar in height and width

indicating that this system hosts two twin stars and not

a star and a planet. The separation between the CCF

peaks corresponds to an RV increase of the primary of

6.4 km s−1 over the 31 day period between our obser-

vations of this target. Using the same equal-mass as-

sumption as the other systems and using M1 = 1.04M�
and i = 110◦ corresponds to a 32.7 day gap starting

from an orbital phase of 0.4. Our observations are thus

consistent with the orbital solution of this system.

5. CONCLUSION

With 9 of the 72 astrometric exoplanet candidates

being previously confirmed exoplanets, Gaia’s abil-

ity to detect photocenter movements small enough

to find exoplanets is validated by DR3 and shows

the current and future impact of the Gaia spacecraft

on exoplanetary science. In this work we investi-

gated the nature of six of these candidate systems us-

ing information contained in archival and newly ob-

tained high resolution spectra. We found four sys-

tems, HD 68638, Gaia DR3 1916454200349735680,

Gaia DR3 2052469973468984192, and Gaia DR3

5122670101678217728 to be false positives. The double-

peaked CCFs of these systems show that they all con-

sist of two nearly equal flux binaries. In the remain-

ing two systems, HD 40503 and HIP 66074, the candi-

dates are possibly exoplanets, although inconsistencies

between the RV and astrometric solutions exist. The

astrometric solutions imply in both cases an RV signal

significantly larger than observed. Yet, all other orbital

parameters are fully consistent between RV and astrom-

etry. It is not clear what causes this, but a more face-on

geometry of the orbits than implied by the astrometric

solution could solve the disagreements.

We found 30 systems in the Gaia two-body orbital so-

lutions with photocenter semi-major axes small enough

to indicate a star-planet system that were not among the

released exoplanet candidates. These systems are likely

binary stars as per Gaia’s flux ratio estimates, see Fig. 1.

These 30 systems along with the four false-positive exo-

planets discussed in this paper highlight the difficulties

of detecting exoplanets using astrometry. In this work

we emphasize the need for spectra of high spectral res-

olution to supplement the astrometric data in order to

reveal impostors by their double-lined nature or by the

correlation of the FWHM with orbital phase. The high

resolution is needed because the total wavelength shift

of two sets of unresolved absorption lines from a binary
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system is dimmed in almost perfect proportion to the

astrometric dimming, imitating an exoplanet signal in

both data sets. The silver lining of the twin binaries

issue is the fact that the similarity of the components

makes it easier to identify the splitting in two of the ab-

sorption lines because the absorption lines have similar

depths.

Table 1. Apparent low-mass companions.

Gaia DR3 id Name solution Status RV data M1 M2 Flux ratio GMag Distance References

type (M�) (MJ) F2/F1 (pc)

1035000055055287680 HD 68638 OTSV SB2 Consistent 10.95+1.00
−0.82 31+48

−14 ∼ 1 7.3 32.5 1, 2, 3

2884087104955208064 HD 40503 OTSV Unknown Inconsistent 10.79+0.85
−0.57 5+8

−3 [0 − 1] 9.0 39.2 2, 3

1712614124767394816 HIP 66074 OTSV Unknown Inconsistent 10.71+0.76
−0.51 7+11

−3 [0 − 1] 9.7 35.4 2, 3, 4, 5

1916454200349735680 Orbital SB2 Consistent 10.63+0.68
−0.48 17+26

−8 ∼ 0.88 10.9 37.1 This work

2052469973468984192 Orbital SB2 Consistent 10.47+0.52
−0.29 18+27

−9 ∼ 0.85 10.7 17.4 This work

5122670101678217728 HD 12357 Orbital SB2 Consistent 11.04+1.10
−0.97 21+33

−10 ∼ 1 8.9 102.8 This work

4062446910648807168 HR 164604 OTSV Exoplanet No 20.75+0.79
−0.71 14+24

−5 ∼ 0 9.3 40.0 12

1594127865540229888 HD 132406 OTSV Exoplanet Inconsistent 20.97+1.01
−0.93 6+11

−3 ∼ 0 8.3 70.5 4, 8

2367734656180397952 BD-17 63 OTSV Exoplanet Consistent 10.74+0.79
−0.56 4+7

−2 ∼ 0 9.2 34.5 4, 6

4745373133284418816 HR 810 OTS Exoplanet Inconsistent 11.09+1.15
−0.93 6+10

−3 ∼ 0 5.3 17.4 4, 5, 11, 13, 14

637329067477530368 HD 81040 OTSV Exoplanet Consistent 10.98+1.03
−0.68 8+12

−4 ∼ 0 7.6 34.4 4, 7

4901802507993393664 HD 3221 OTS SB2 No 31 14 ∼ 1 9.1 44.4 17

5855730584310531200 HD 111232 OTSV Exoplanet Inconsistent 10.93+0.99
−0.68 8+13

−4 ∼ 0 7.4 28.9 4, 9, 10, 11

2603090003484152064 GJ 876 OTSV Exoplanet No 10.38+0.43
−0.21 4+5

−2 ∼ 0 8.9 4.7 16

4976894960284258048 HD 142 OTS Exoplanet No 11.19+1.25
−1.06 7+11

−3 ∼ 0 5.6 26.2 15

6421118739093252224 HD 175167 OTSV Exoplanet Inconsistent 21.09+1.13
−1.05 10+16

−5 ∼ 0 7.8 71.2 4, 12

4764340705296117120 Orbital Unknown No 10.34+0.39
−0.18 13+19

−6 [0 − 1] 14.8 61.8

1984587671751337600 Orbital Unknown No 10.36+0.41
−0.24 19+29

−9 [0.34 − 1] 14.2 54.0

4392798821280870912 Orbital Unknown No 10.42+0.47
−0.26 15+23

−7 [0.05 − 1] 13.4 42.6

5220375041387610880 Orbital Unknown No 10.74+0.79
−0.53 20+31

−9 [0 − 1] 12.8 183.6

6418925831870553472 Orbital Unknown No 10.37+0.42
−0.20 15+23

−8 [0 − 1] 15.0 84.0

2571855077162098944 Orbital Unknown No 10.54+0.59
−0.37 15+23

−7 [0 − 1] 14.5 114.6

5036787935627755520 Orbital Unknown No 10.22+0.26
−0.10 12+17

−6 [0.21 − 1] 14.9 33.5

932447162423519232 ASSB1 Unknown No 10.63+0.68
−0.48 17+27

−8 [0.22 − 1] 11.6 52.5

5654515588409756160 Orbital Unknown No 10.26+0.31
−0.12 23+34

−11 [0 − 1] 16.4 88.4

5271515801094390912 Orbital Unknown No 10.56+0.61
−0.39 21+32

−10 [0 − 1] 12.2 55.6

5085864568417061120 Orbital Unknown No 10.46+0.51
−0.28 16+24

−8 [0 − 1] 13.7 55.8

423297927866697088 Orbital Unknown No 10.41+0.46
−0.24 21+32

−10 [0 − 1] 14.8 79.2

2845310284780420864 Orbital Unknown No 10.37+0.42
−0.20 10+15

−5 [0 − 1] 13.8 41.5

4188996885011268608 Orbital Unknown No 10.23+0.28
−0.09 8+12

−4 [0 − 1] 13.5 17.8

4842246017566495232 Orbital Unknown No 10.36+0.41
−0.19 8+12

−4 [0 − 1] 13.0 31.9

1336053176328998144 Orbital Unknown No 10.44+0.49
−0.33 19+29

−9 [0.48 − 1] 14.3 83.2

6081071334868194176 Orbital Unknown No 10.61+0.66
−0.43 20+31

−10 [0 − 1] 12.9 99.0

405316961377489792 Orbital Unknown No 10.27+0.32
−0.13 22+33

−10 [0 − 1] 15.7 77.4

Table 1 continued
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Table 1 (continued)

Gaia DR3 id Name solution Status RV data M1 M2 Flux ratio GMag Distance References

type (M�) (MJ) F2/F1 (pc)

6671454584430500864 Orbital Unknown No 10.57+0.62
−0.43 14+24

−6 [0.17 − 1] 13.9 112.4

3621891774065137408 Orbital Unknown No 10.36+0.41
−0.22 19+29

−9 [0.19 − 1] 15.5 92.3

4159075462792179456 Orbital Unknown No 10.35+0.40
−0.20 8+13

−4 [0.07 − 1] 14.9 64.4

3665298981300771200 Orbital Unknown No 10.69+0.74
−0.54 20+31

−9 [0.29 − 1] 10.7 48.7

4810127839810808576 Orbital Unknown No 10.55+0.60
−0.38 16+24

−7 [0.07 − 1] 13.0 61.4

2998643469106143104 Orbital Unknown No 10.37+0.41
−0.20 20+30

−10 [0 − 1] 14.0 48.3

557717892980808960 Orbital Unknown No 10.55+0.60
−0.37 8+13

−4 [0 − 1] 12.0 40.0

6381440834777420928 Orbital Unknown No 10.28+0.33
−0.13 21+32

−10 [0 − 1] 15.1 60.6

4596564611107874944 Orbital Unknown No 10.32+0.37
−0.17 19+29

−9 [0.10 − 1] 14.8 54.9

2271703211828512896 Orbital Unknown No 10.16+0.21
−0.07 13+20

−6 [0.30 − 1] 16.4 42.3

5612039087715504640 Orbital Unknown No 10.28+0.33
−0.13 14+21

−7 [0 − 1] 13.9 32.4

834357565445682944 Orbital Unknown No 10.43+0.48
−0.25 17+25

−8 [0 − 1] 13.7 53.6

5446516751833167744 Orbital Unknown No 10.27+0.32
−0.12 17+25

−8 [0.01 − 1] 16.0 70.4

846058258950880384 Orbital Unknown No 10.60+0.65
−0.49 15+24

−7 [0.44 − 1] 13.9 143.4

2117364283603705984 Orbital Unknown No 10.41+0.46
−0.29 15+23

−7 [0.37 − 1] 13.5 48.9

2074815898041643520 Orbital Unknown No 10.36+0.41
−0.20 21+32

−10 [0 − 1] 13.2 41.3

2047188847334279424 OTS Unknown No 10.96+1.01
−0.82 14+22

−7 [0 − 1] 7.3 32.6

6685861691447769600 Orbital Unknown No 10.50+0.55
−0.32 20+31

−10 [0 − 1] 14.3 99.6

6079316686107743488 Orbital Unknown No 10.38+0.43
−0.21 20+31

−10 [0 − 1] 14.7 66.4

430892357759527424 Orbital Unknown No 10.19+0.24
−0.08 7+11

−3 [0.15 − 1] 15.6 38.1

1298992006611690112 Orbital Unknown No 10.52+0.57
−0.36 14+21

−7 [0.11 − 1] 13.6 73.9

1878822452815621120 OTS Unknown No 10.82+0.88
−0.61 16+25

−8 [0 − 1] 9.8 62.3

1879554280883275136 Orbital Unknown No 10.43+0.48
−0.26 18+27

−9 [0 − 1] 14.3 79.3

6471102606408911360 Orbital Unknown No 10.65+0.81
−0.49 23+36

−11 [0 − 1] 14.3 62.1

5671384265738137984 Orbital Unknown No 10.15+0.20
−0.07 16+24

−8 [0.27 − 1] 15.7 28.3

2104920835634141696 Orbital Unknown No 10.21+0.26
−0.08 13+19

−6 [0 − 1] 15.4 46.2

373892712892466048 Orbital Unknown No 10.51+0.56
−0.33 17+25

−8 [0 − 1] 13.9 75.3

5399010462168339456 Orbital Unknown No 10.47+0.52
−0.39 14+22

−6 [0.65 − 1] 13.8 79.6

5618776310850226432 Orbital Unknown No 10.47+0.52
−0.29 21+32

−10 [0 − 1] 14.7 94.1

6781298098147816192 Orbital Unknown No 10.32+0.37
−0.16 6+10

−3 [0 − 1] 14.4 48.1

2050702366781291776 Orbital Unknown No 10.26+0.31
−0.13 18+27

−9 [0.22 − 1] 16.4 85.2

1052042828882790016 Orbital Unknown No 10.47+0.52
−0.30 21+32

−10 [0 − 1] 14.0 78.1

726588585356221568 Orbital Unknown No 10.27+0.32
−0.15 20+30

−9 [0.28 − 1] 15.6 67.8

5486916932205092352 Orbital Unknown No 10.33+0.38
−0.17 11+16

−6 [0 − 1] 12.2 17.1

5052449001298518528 Orbital Unknown No 10.47+0.52
−0.29 20+31

−10 [0 − 1] 13.6 59.2

246890014559489792 Orbital Unknown No 10.36+0.41
−0.19 6+9

−3 [0 − 1] 14.4 52.5

5055723587443420928 Orbital Unknown No 10.45+0.50
−0.27 19+30

−9 [0 − 1] 14.6 137.7

3676303512147120512 Orbital Unknown No 10.23+0.28
−0.10 18+27

−9 [0 − 1] 14.8 38.7

1059462676944293376 Orbital Unknown No 10.48+0.53
−0.35 16+24

−8 [0.33 − 1] 14.7 111.6

5490183684330661504 Orbital Unknown No 10.14+0.19
−0.05 23+36

−11 [0 − 1] 17.7 72.4

Table 1 continued
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Table 1 (continued)

Gaia DR3 id Name solution Status RV data M1 M2 Flux ratio GMag Distance References

type (M�) (MJ) F2/F1 (pc)

2277249663873880576 Orbital Unknown No 10.50+0.55
−0.32 11+17

−5 [0 − 1] 12.9 51.1

2259699048817216256 Orbital Unknown No 10.62+0.67
−0.49 16+24

−7 [0.31 − 1] 13.1 105.9

2259968811419624448 Orbital Unknown No 10.40+0.45
−0.23 22+33

−10 [0 − 1] 13.9 54.9

4812716639938468992 Orbital Unknown No 10.31+0.36
−0.15 22+33

−11 [0 − 1] 14.7 48.2

6521749994635476992 Orbital Unknown No 10.48+0.53
−0.30 15+22

−7 [0 − 1] 13.6 62.4

1457486023639239296 Orbital Unknown No 10.64+0.69
−0.45 13+21

−6 [0 − 1] 11.9 73.8

1462767459023424512 Orbital Unknown No 10.37+0.41
−0.19 8+12

−4 [0 − 1] 15.1 72.0

73648110622521600 Orbital Unknown No 10.25+0.30
−0.11 20+30

−10 [0 − 1] 15.5 58.6

5796338299045711232 Orbital Unknown No 10.18+0.23
−0.08 11+17

−5 [0.37 − 1] 14.8 25.8

3937630969071148032 Orbital Unknown No 10.43+0.48
−0.26 20+30

−10 [0 − 1] 14.7 84.7

2446599193562312320 Orbital Unknown No 10.50+0.55
−0.33 24+37

−11 [0 − 1] 14.7 129.1

1862136504889464192 Orbital Unknown No 10.37+0.42
−0.21 16+23

−8 [0 − 1] 15.2 83.1

3925216795598987264 Orbital Unknown No 10.40+0.45
−0.25 19+29

−9 [0.16 − 1] 14.8 75.0

2824801747222539648 Orbital Unknown No 10.44+0.49
−0.27 19+29

−9 [0 − 1] 14.0 70.4

6694115931396057728 Orbital Unknown No 10.33+0.38
−0.17 9+14

−5 [0 − 1] 13.4 38.1

4698424845771339520 OTS Unknown No 10.65+0.81
−0.49 9+14

−4 [0 − 1] 13.7 9.7

4702845638429469056 Orbital Unknown No 10.43+0.47
−0.26 7+10

−3 [0 − 1] 13.9 68.2

6677563745912843776 Orbital Unknown No 10.39+0.44
−0.21 23+35

−11 [0 − 1] 15.5 94.7

6354671987249126784 ASSB1 Unknown No 10.69+0.75
−0.64 13+21

−6 [0.12 − 1] 9.5 32.5

522135261462534528 OTS Unknown No 11.09+1.15
−0.79 7+11

−3 [0 − 1] 6.4 27.0

5375875638010549376 Orbital Unknown No 10.40+0.45
−0.23 14+21

−6 [0 − 1] 14.4 67.1

1610837178107032192 OTS Unknown No 11.13+1.19
−0.97 13+21

−6 [0 − 1] 8.2 73.7

4963614887043956096 OTS Unknown No 31 46 [0 − 1] 15.0 40.2

3120450116011961984 Orbital Unknown No 10.64+0.69
−0.49 16+25

−8 [0.21 − 1] 12.8 94.7

4983571882081864960 Orbital Unknown No 10.47+0.52
−0.29 12+19

−6 [0 − 1] 13.3 55.5

5236626338671861760 Orbital Unknown No 31 21 [0 − 1] 13.9 51.3

5437488554482255872 Orbital Unknown No 10.50+0.55
−0.37 18+27

−8 [0.29 − 1] 13.4 67.4

198464052134353536 Orbital Unknown No 10.20+0.25
−0.09 11+17

−5 [0.22 − 1] 14.4 24.1

Table 1 continued
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Table 1 (continued)

Gaia DR3 id Name solution Status RV data M1 M2 Flux ratio GMag Distance References

type (M�) (MJ) F2/F1 (pc)

Note— The 102 listed systems are the union of the following subsets: A) the released Gaia exoplanet candidates and B) all
systems whose Gaia nss two body orbit implies M2 < 20MJ assuming a dark companion, regardless of the binary masses

flux ratio value. The same systems are shown in Fig. 1 and Fig. 2. The source of information for the mass of the pri-
mary component M1 and its uncertainty, was in order of decreasing priority: M1 from binary masses, ”mass flame” from
astrophysical parameters and M1 = 1M�, denoted by 1, 2 and 3 respectively in the corresponding column of the table.
The top six systems of the table are those analyzed in this paper. The system name is shown systems previously studied in
the literature. Whether RV data from ground-based spectroscopy is available for a system, and if so, whether it is consistent
with the nss two body orbit solution and companion mass or not is listed in the ”RV data” column. We define the data
sets to be consistent if all the orbital parameters as well as the RV semi-amplitudes are within 3σ of one another. However,
for our three systems with only two spectra each, only the orbital period and RV semi-amplitudes are tested for consistency.
The distance column is 1/parallax, where the parallax is from the gaia source table. The solution type column refers to the
nss solution type of the nss two body orbit table. OTS, OTSV, and ASSB1 refer to orbitalTargetedSearch, OrbitalTar-
getedSearchValidated and AstroSpectroSB1 respectively. References: (1) Busà et al. (2007); (2) Holl et al. (2022a); (3) Gaia
Collaboration et al. (2022b); (4) Winn (2022); (5) Butler et al. (2017); (6) Moutou et al. (2009); (7) Sozzetti et al. (2006);
(8) da Silva et al. (2007); (9) Minniti et al. (2009); (10) Mayor et al. (2004); (11) Trifonov et al. (2020); (12) Arriagada
et al. (2010); (13) Kürster et al. (2000); (14) Naef et al. (2001); (15) Wittenmyer et al. (2012); (16) Marcy et al. (2001); (17)
Bonavita et al. (2022).
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The Hunga Tonga–Hunga Ha‘apai vol-
cano erupted on 15 January 2022 with 
an energy equivalent to around 61 meg-
atons of TNT. The explosion was bigger 
than any other volcanic eruption so far 
in the 21st century. Huge quantities of 
particles, including dust and water 
vapour, were released into the atmos-
phere. We present the results of a pre-
liminary study of the effects of the 
explosion on observations taken at 
Paranal Observatory using a range of 
instruments. These effects were not 
immediately transitory in nature, and a 
year later stunning sunsets are still 
being seen at Paranal.

Introduction

Many astronomers were likely unaware of 
the impact of volcanic eruptions on astro-
nomical observations when the Hunga 
Tonga–Hunga Ha‘apai (HTHH) volcano 
erupted in January 2022. The release of 
sulphur dioxide (SO2) by such eruptions 
can have a significant effect on the 
atmospheric transmission and on Earth’s 

climate. When injected into the strato-
sphere, SO2 is transformed into sulphuric 
acid (H2SO4) by the photochemical effect 
in the presence of water vapour. While 
Earth’s surface effectively cools because 
the Sun’s short wavelength radiation is 
scattered by the sulphate aerosols in the 
stratosphere, heat radiation from Earth’s 
surface is efficiently absorbed by the same 
particles, resulting in an altered weather 
pattern and climate. The sulphate aerosol 
particles in the stratosphere circulate glob-
ally and are only removed by precipitation 
on timescales of several years.

In terms of the energy released, the 
world’s biggest volcanic incident in the 
past 1300 years was the eruption of 
Mount Tambora, in what is now Indone-
sia, in April 1815. In addition to the imme-
diate and direct destruction, a huge dust 
cloud entered the stratosphere, which 
disrupted weather systems in 1816 and 
for the following three years in the north-
ern hemisphere. The year 1816 was the 
second-coldest year on record since the 
Middle Ages and is known as the ‘year 
without a summer’. The change in climate 
was followed by famine, disease, poverty 
and civil unrest, with many social and 
political consequences (D’Arcy Wood, 
2014; Behringer, 2019). The years after 
the Tambora eruption also sparked the 
imaginations of artists (for example Mary 
Shelley’s Frankenstein, the dark poetry  
of Lord Byron, paintings by J. M. W. Turner 
and Caspar David Friedrich, and music 
by Beethoven and Schubert)1,2. Interest-
ingly, the link between climate change in 

the 1810s and the volcanic eruption of 
Tambora was not recognised at the time. 
This connection was only realised after 
the eruption of the Krakatoa in Indonesia 
in 1883 (Royal Society, 1888), at a time 
when news could be quickly reported via 
telegraphy across the world.

The eruption of the Hunga Tonga–
Hunga Ha‘apai volcano 

The submarine HTHH volcano in the 
South Pacific erupted violently on 15 Jan-
uary 2022. An ash plume shot 57 km into 
the mesosphere, shockwaves rippled 
through the atmosphere, and the eruption 
triggered a tsunami with heights of more 
than 19 m above sea level3, causing mas-
sive infrastructure destruction on the 
nearby islands and the death of four peo-
ple in Tonga and two in Peru. The ener-
getic output from the volcano has been 
estimated to be approximately 61 mega-
tons of TNT equivalent (Diaz & Rigby, 
2022). Ocean floor maps showed that the 
volcano spewed out at least 9.5 km3 of 
material in total4. By comparison, the 
1815 eruption of Tambora in Indonesia 
ejected more than 100 km3 of erupted 
material, the 1883 eruption of Krakatoa in 
Indonesia 25 km3, the 1991 eruption at 
Mount Pinatubo in the Philippines 
5.5 km3, and the CE 79 eruption of Mount 
Vesuvius 4 km3. In the case of HTHH, 
1.9 km3 of material ended up in the 
atmosphere, which caused the stunning 
sunsets observed from Paranal following 
the eruption.

Telescopes and Instrumentation
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Figure 1. Atmospheric pressure anomaly. Observa-
tions on Paranal and La Silla of the pressure wave 
caused by the HTHH volcanic eruption. The indi-
cated time stamps are: t0 = eruption moment  
(2022-01-15 04:14:45 UT), t1 = arrival of the front 
edge of the pressure wave at La Silla Observatory  
(2022-01-15 13:28:42 UT), t2 = arrival of the front 
edge of the pressure wave at Paranal Observatory 
(2022-01-15 13:43:49 UT), t3 = arrival of the far edge 
of the pressure wave at Paranal Observatory  
(2022-01-16 07:45:32 UT), t4 = arrival of the far edge 
of the pressure wave at La Silla Observatory  
(2022-01-16 07:20:13 UT).
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Conclusions drawn in the work of Legras 
et al. (2022) and references therein 
describe the following picture that char-
acterises the event: a) the eruption was 
intense with a large injection of water 
vapour into the stratosphere; b) the zonal 
atmospheric circulation spread the plume 
across all longitudes in less than one 
month; c) after six months the plume, 
mainly sulphates and water vapour, had 
spread in the 35°S–20°N latitude range, 
in two plumes separated in latitude; d) 
satellite observations of the plume in the 
optical and millimetre spectral bands and 
the observed sedimentation rate seem to 
show the sulphate aerosol particles 
reached a size of about 1.0 and 1.4 μm in 
diameter. The size evolution of the parti-
cles has been explained by hygroscopic 
growth during the first phase (up to about 
April), followed by coagulation (in the 
period April–May) and then decay by 
evaporation in the later stage which is 
dominated by evaporation as a result of 
dry air and a more diluted plume.

Detection of the atmospheric 
shockwave at La Silla and Paranal 
Observatories

The shockwave from the eruption was 
detected at various weather stations 
around the world (Harrison, 2022). Fig-
ure 1 shows the pressure anomaly caused 
by the shockwave passing over both 
Paranal and La Silla in Chile, a distance 
exceeding 10 000 km from the eruption. 
From the geodetic distances between the 
volcano site and the ESO observatories, 
and the elapsed times for the arrival of 
the atmospheric pressure wavefronts we 
were able to compute the average speed 
of the pressure wave to be approximately 
307 m s–1. Moreover, the ESO weather 
stations show both the arrival of the front 
edge and the far edge of the pressure 
wave. The front edge is the part of the 
shockwave that propagated from the 
location of the volcano towards the East 
in the direction of Chile. The far edge is the 
part of the shockwave that propagated in 
the opposite direction, around the planet, 
before reaching the observatory sites. 
The amplitude of the pressure anomaly 
for the far-edge wave is down to 30% of 
that of the front-edge wave, an indication 
of the loss of energy as the shockwave 
propagated away from the main event.

Effects on Paranal

Sky flatfields

Particles of volcanic dust in the atmos-
phere can cause spectacular sunsets, 
which have been captured in paintings, 
for example by the artists J. M. W. Turner 
and Caspar David Friedrich, after the 
Tambora eruption in 1815. Following the 
eruption of the HTHH volcano, there was 
some awareness of this effect on Paranal, 
because of publications of several 
post-eruption standard-star observations 
on La Silla (Rufener, 1986a,b; Grothues & 
Gochermann, 1992; Burki et al., 1995a,b). 
In the aftermath of the HTHH eruption, 
the colour of the Paranal sunset was very 
different from what we were used to see-
ing in the previous years. 

During normal operations at Paranal, sky 
flatfields are taken on a regular basis to 
calibrate scientific data and to monitor 
the instrument health. Figure 2 shows the 
normalised flux ratio against time for opti-
cal flatfields taken at twilight using the 
segmented filter of the OmegaCAM cam-
era at the Very Large Telescope (VLT) 
Survey Telescope, where images are 
taken simultaneously with the ugri SDSS 
filters. A few days after the volcanic erup-
tion, the ratio of the i (770 nm) and both 
the u (350 nm) and g (480 nm) flatfields 
increased by a factor of five, indicating a 
significant reddening of the twilight sky, 
and these have still not returned to the 
pre-explosion values one year later. 
These measurements are consistent with 
perceived changes of the colour of sun-
sets seen at Paranal. Dome flatfields 
obtained with the same filters do not 

show any change in the flux ratio, indicat-
ing that the observed effect is atmos-
pheric and not instrumental.

A similar effect was seen in the sky flats 
taken with the VIRCAM camera at the 
Visible and Infrared Survey Telescope for 
Astronomy (VISTA) where the ratio of the 
Ks (2146 nm) to Y (1021 nm) twilight flats 
increased after the explosion. A sudden 
change in the decay time of the twilight 
was also observed in near-infrared data 
from the HAWK-I instrument at the VLT. 
Figure 3 shows the count rate during twi-
light with the Ks filter as a function of the 
elevation of the Sun, before and after the 
volcanic eruption.

Model of the observed changes in the 
HAWK-I twilight sky brightness 

The change in the decay time of the sky 
brightness in the HAWK-I twilight flat- 
fields can be explained by a 36-km-high 
column of dust in the line of site of the 
telescope, which became the dominant 
source of reflection rather than the 
molecular gas in the troposphere before 
the eruption. The decay of the reflected 
light observed in the twilight sky flats can 
be explained by the rising of the Earth 
shadow, as illustrated in Figure 4, where 
the Rayleigh scattering region is shown in 
blue, and the stratospheric layer with the 
red circle. Twilight ends when the Earth 
shadow reaches the upper boundary of 
the stratospheric layer of dust. From this, 
the height of the volcanic dust plume can 
be estimated as 36 km in March 2022 
compared to the 57-km height of the dust 
dome above the volcano immediately 

Figure 2. Flux ratio for 
i/g (blue symbols) and 
i/u (red symbols) sky 
flatfields taken with 
OmegaCAM at the VLT 
Survey Telescope as  
a function of time. 
Observations in the dif-
ferent bands were taken 
simultaneously with  
the mosaic filter and are 
normalised to the pre- 
explosion ratio. The ver-
tical line indicates the 
date of the volcanic 
eruption.
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after outburst (Proud, Prata & Schmauß, 
2022). In observations obtained in 
November 2022, the flatter twilight flat-
field decay time indicates a decreasing 
density of the dust in the stratosphere 
and a reduction in the height of the dust 
layer down to 29 km, indicated by the 
later onset of the infrared twilight and 
illustrated in Figure 3.

Atmospheric extinction and zero points 

The atmospheric extinction is an impor-
tant parameter for photometric measure-
ments. Besides seasonal and other long-
term variations, significant increases of 
the extinction coefficients can be caused 
by major volcanic eruptions that inject 
large amounts of aerosols into the strato-
sphere at altitudes between 20 and 
30 km. These aerosols are distributed 
over wide areas of Earth’s atmosphere by 
jetstreams and can influence astronomi-
cal observations at great distances (for 
example, Moreno & Stock, 1964; Rufener, 
1986a,b; Grothues & Gochermann, 1992; 
Burki et al., 1995a,b).

Long-term variations of the extinction 
caused by the volcanic eruptions of 
El Chichón in Mexico in 1982 and the 
Pinatubo eruption in the Philippines in 
1991 were observed extensively at 
La Silla (Rufener, 1986a,b; Grothues & 
Gochermann, 1992; Burki et al., 1995a,b). 
The stratospheric load due to the 
eruption of El Chichón was estimated to 
be about 8 megatons of SO2 and the 
Pinatubo eruption emitted about 20 meg-
atons of SO2 into the atmosphere. The 
increase of the extinction in both events 

was very sudden — roughly 150 days 
(El Chichón) and 100 days (Pinatubo) 
after the eruptions. The removal of the 
volcanic aerosols from the atmosphere 
lasted at least 1000 days. Aerosols from 
different volcanoes are very different; for 
example, Pinatubo produced a flatter 
extinction curve than El Chichón.

To search for the possible effect of the 
aerosols injected into the upper atmos-
phere by the eruption of the HTHH vol-
cano, we analysed the extinction meas-
urements obtained from the observation 
of standard stars utilising the FORS2 
imager at the VLT on Paranal. Data from 
the wide-field imager OmegaCAM were 
also included in the analysis, although in 
this case we do not measure the atmos-
pheric extinction, assuming instead a 
constant value. Hence, a variation in 
extinction is observed as a change in 
zero point which we monitor for each 
detector and filter; an increase in atmos-
pheric extinction should appear as a 
reduction in the zero point of similar 
magnitude.

The corrected extinction data for four 
FORS2 filters and only for stable night 
transparency conditions are plotted in 
Figure 5. They were obtained as a part  
of the QC1 quality control process5 
 following the method developed for the 
FORS Absolute Photometry project6,  
as described by Freudling et al. (2007).  
The data, for filters bHIGH (440 nm), vHIGH 
(557 nm), RSPECIAL (655 nm) and IBessel 
(768 nm), cover the period from 1 January 
2021 until the end of December 2022. 
The date of the eruption is shown with a 
vertical line. The increase in extinction 

that could be attributed to an increase in 
aerosol content in the stratosphere (at 
25–27 km altitude) from the volcano is 
not significant compared to the seasonal 
variability in the sky extinction. The sea-
sonal variability is due to the change in 
the atmospheric absolute humidity and 
barely visible cirrus condition induced  
by the altiplanic winter. The OmegaCAM 
data show an analogous seasonal 
variability.

Water vapour 

The HTHH explosion released substantial 
amounts of water vapour into the strato-
sphere (Millán et al., 2022; Legras et al., 
2022). The work of Legras et al. (2022), with 
data from the satellite-borne Microwave 
Limb Sounder (MLS) instrument, shows the 
eruption of the volcano injected a plume of 
water vapour of up to 25 ppmv concentra-
tion in the layer between 20 and 30 km 
above sea level. This is five times more than 
the background water vapour level at that 
altitude for the tropical latitude of the 
Paranal Observatory.

At the time of the volcanic eruption, two 
water vapour radiometers were in opera-
tion at Paranal (LHATPRO; Kerber et al., 
2012). Unfortunately, the increase in  
water vapour at such high altitudes is  
not detectable at ground level using the 
LHATPRO. This is because the water 
vapour emission in the stratosphere gets 
attenuated by absorption along the long 
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path to the LHATPRO detector on Earth’s 
surface. We computed the atmospheric 
brightness temperature using the atmos-
pheric model am (Paine, 2022) and find 
that a change in brightness temperature 
at the peak of the 183 GHz water vapour 
line induced by a 25 ppmv water vapour 
layer, with respect to the background 
condition, is only around 0.07%, corre-
sponding to a change of 0.04% in precip-
itable water vapour, which is well below 
the daily temporal variability of water 
vapour at Paranal. 

Conclusions

The HTHH volcanic eruption had several 
observable effects at Paranal Observa-
tory, located more than 10 000 km away 
from the eruption site. These included 
measurements of the shockwave and a 
striking change in the colour of the sky 
visible in routine calibration sky flats taken 
during twilight at optical and infrared 
wavelengths. The detection of variations 
in the extinction, observed via standard 
star observations, is harder to assess 
since the volcanic eruption took place 
during the austral summer. This is a 
period when we observe a natural varia-
bility and increase of the atmospheric 
extinction owing to an increase in humidity 

and barely visible cirrus, induced by the 
altiplanic winter atmospheric condition. 
The detection of the increase in water 
vapour, injected by the volcano in the 
stratospheric level, was not possible 
because of the low sensitivity of our 
water vapour radiometers to emission 
from such a high altitude. A more detailed 
analysis of the data is ongoing to deter-
mine the composition of the aerosols and 
to monitor the longer-term effects of the 
explosion on astronomical observations. 
Given the intensity of the eruption and  
the large amount of water vapour injected 
in the stratosphere, it is believed the 
effects will last for several years.
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ABSTRACT
Transmission spectroscopy is one of the most successful methods of learning about exoplanet atmospheres. The process of
retrievals using transmission spectroscopy consists of creating numerous forward models and comparing them to observations
to solve the inverse problem of constraining the atmospheric properties of exoplanets. We explore the impact of one simplifying
assumption commonly employed by forward models of transiting exoplanets: namely that the planet can be treated as an isolated,
non-rotating spherical body. The centrifugal acceleration due to a planet’s rotation opposes the gravitational pull on a planet’s
atmosphere and increases its scale height. Conventional forwardmodels used for retrievals generally do not include this effect.We
find that atmospheric retrievals produce significantly different results for close-in planets with low gravity when this assumption
is removed, e.g., differences between true and retrieved values of gas abundances greater than 1𝜎 for a simulated planet analogous
to WASP-19 b. We recommend that the correction to the atmospheric scale height due to this effect be taken into account for the
analysis of high precision transmission spectra of exoplanets in the future, most immediately JWST Cycle 1 targets WASP-19 b
and WASP-121 b.
Key words: methods: analytical – techniques: spectroscopic – exoplanets – radiative transfer

1 INTRODUCTION

The study of exoplanet atmospheres through transmission spec-
troscopy using retrievals is now a well-established method to deduce
their composition and thermal structure (Charbonneau et al. 2002;
Tinetti et al. 2007; Sing et al. 2011; Kreidberg et al. 2014). Robust
detections of atmospheric species such as Na, K, H2O (Wakeford
et al. 2018a) have already been made with previous studies using
space-based telescopes such as the Hubble Space Telescope and the
Spitzer Space Telescope. Evidence of some carbon-bearing species
such as CO2 (Wakeford et al. 2018b) have also been found. Recently,
definitive evidence has been found to confirm the presence of CO2
in the atmosphere of WASP-39b (The JWST Transiting Exoplanet
Community Early Release Science Team et al. 2022) using JWST.
With the increase in quality of spectral data owing to JWST, the
analysis of much finer aspects of these atmospheres is now possi-
ble. This jump in signal-to-noise ratio will warrant the removal of
assumptions that have so far been considered routine. In this letter,
we explore one such assumption and evaluate the degree to which it
impacts our inferences regarding atmospheric properties.
When a planet spins, the centrifugal force due to rotation acts to

oppose the gravitational force, resulting in a slight reduction in the
effective gravitational acceleration acting on the atmosphere. The
gravitational equipotentials and hence the effective gravity in a two
body system like a planet orbiting a star has been well-studied in the
context of close binary stars, see e.g. Frank et al. (2002), and this
Roche geometry has been applied to exoplanets in Busuttil (2017)
and Berardo & de Wit (2022). Atmospheric scale height is defined

★ E-mail: agnibha.banerjee@open.ac.uk

as the altitude at any point in the atmosphere over which the atmo-
spheric pressure reduces by a factor of 𝑒, and is a quantity often used
to measure the extent of an atmosphere. The scale height is inversely
proportional to effective gravitational acceleration and thus increases
when the centrifugal force is included in the effective gravity calcu-
lation. The modified scale height, in turn, affects the transmission
spectra obtained from it by increasing the observable feature ampli-
tudes. Whilst the effect of rotation on the effective gravity is well
known and commonly accounted for in models of the fast-rotating
Solar System giant planets (Lindal et al. 1985; Irwin 2009), it has
not generally been included in retrieval models for exoplanets.

In this letter, we analyse the impact of reduced effective gravity on
synthetic transmission spectra for a range of hypothetical planets and
also examine the resulting influence on retrieved atmospheric prop-
erties. We first describe the atmospheric retrieval code, NEMESIS
(Non-linear optimal Estimator for MultivariatE spectral analySIS)
(Irwin et al. 2008). We then demonstrate the difference in transmis-
sion spectra with and without a latitudinally-averaged correction due
to centrifugal forces, and perform two retrievals on the transmis-
sion spectrum generated with the correction included: one with an
atmospheric model that includes the correction, and one without.
We find that the retrieval model without the centrifugal correction is
unable to recover the input atmospheric state to within 1𝜎. Finally,
we perform a parameter space exploration of planetary bulk density,
equilibrium temperature, stellar radius and orbital period to constrain
the regions in which this correction creates a significant difference
in the retrieval results.

© 2023 The Authors
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Figure 1. A schematic cross section of a planet along the plane of the termi-
nator showing the accelerations acting on an atmospheric parcel (light grey).
On the left half of the diagram, the atmospheric extent corresponding to the
scenario with rotation included is illustrated by an orange annulus (outer). The
atmospheric scale heights in the diagram have been exaggerated for visibility.
The atmospheric extent corresponding to the scenario without the rotation
included is illustrated by a blue annulus (inner). On the right half of the dia-
gram, an exaggerated elliptical atmospheric annulus is shown. The centrifugal
acceleration acting on the parcel is perpendicular to the axis of rotation and
marked as 𝜔2𝑅 cos \ , and the radial component of this acceleration which
opposes the gravitational acceleration 𝑔 is marked as 𝜔2𝑅 cos2 \ . In the
quantitative parts of this paper, we approximate the atmospheric annulus to
be circular.

2 METHODS

2.1 The NEMESIS Code

We use the NEMESIS algorithm to create synthetic spectra and also
to generate forward models for the retrievals. Originally developed
for the characterisation of the atmospheres of Solar System planets,
NEMESIS has since been modified for use in studying exoplanet at-
mospheres (Lee et al. 2012). NEMESIS uses a correlated-k radiative
transfer model (Lacis & Oinas 1991). We use the nested sampling al-
gorithm option (Krissansen-Totton et al. 2018) to perform retrievals
as it allows the exploration of non-Gaussian posterior distributions.
We use the pymultinest package (Buchner et al. 2014) based on the
MultiNest (Skilling 2004; Feroz et al. 2009) algorithm, which is
widely used for retrieval of exoplanet transmission spectra.

2.2 Analytic Estimate of the Magnitude of the Centrifugal
Effect

As an initial assessment of the magnitude of the change in the trans-
mission spectrum due to the scale height being modified by rotation,
a synthetic spectrum was created using NEMESIS with the modified
value of the acceleration due to gravity. Figure 2 demonstrates the
difference between the simulated spectra with and without the effect
of centrifugal acceleration included. The atmospheric model used is
described in detail in Section 2.3.
In transmission spectroscopy, we only sample the annulus of the

atmosphere around the terminator of an exoplanet at superior con-
junction of the planet, i.e. during planet transit. Though some close-in
planets which are particularly attractive targets for transmission spec-
troscopy are significantly non-spherical (see e.g. Fig. 1 of Staab et al.
2017), the cross-section viewed during transit has minimal deviation
from a circular cross-section. Thus we can treat the annulus as be-
ing bounded by concentric circles. We discuss the implications of
non-sphericity further in Section 4.1. We also assume that the planet
rotates as a rigid body.
The acceleration caused by the apparent outward force due to

rotation is perpendicular to the axis of rotation and is computed
as 𝜔2𝑅 cos \, where 𝜔 is the angular velocity, 𝑅 is the radius of
the planet, and \ is the latitude (Figure 1). The radially outwards
component of this acceleration is, therefore 𝜔2𝑅 cos2 \. We assume
that the planet is tidally locked, and thus the orbital period is the
same as the rotation period, and the axis of rotation of the planet is
perpendicular to the orbital plane (Heller et al. 2011).
An average value of net gravitational acceleration over the annulus

relevant to transmission spectroscopy is then obtained by integrating
over latitudes from the equator to the pole and then dividing by the
range of latitudes covered.

𝑔′(\, 𝑅′) = 𝑔(𝑅′) − 𝜔2𝑅′ cos2 \

𝑔′av (𝑅′) =

∫ 𝜋
2
0 𝑔′(\, 𝑅′)d\∫ 𝜋

2
0 d\

𝑔′av (𝑅′) =

∫ 𝜋
2
0

(
𝑔(𝑅′) − 𝜔2𝑅′ cos2 \

)
d\

𝜋
2

= 𝑔(𝑅′) − 2𝜔
2𝑅′

𝜋

∫ 𝜋
2

0
cos2 \d\

= 𝑔(𝑅′) − 1
2
𝜔2𝑅′

This corrected value of 𝑔 impacts the calculated atmospheric scale
height in the forward model. Scale height 𝐻 is given by

𝐻 =
𝑘𝑇

`𝑔′av (𝑅′)
where 𝑘 is the Boltzmann constant, 𝑇 is the atmospheric temperature
and ` is the mean molecular weight of the atmosphere. Since the
scale height varies as the inverse of gravitational acceleration, it
is increased when the modified value of gravitational acceleration is
used. The extent of atmospheric features in the transmission spectrum
is proportional to 𝐻, so the increase in 𝐻 produces a stretch in the
transmission spectrum (Figure 2).

2.3 Retrieval Set-Up

The NEMESIS model used assumes a cloud-free, isothermal, well-
mixed atmosphere containing H2O and CO2 as the spectrally active
trace gases and a background made up of H2 and He (He:H2 = 0.17).
The H2O k-table was obtained from Polyansky et al. (2018) and the
CO2 k-table was obtained from Yurchenko et al. (2020), both tables
generated as in Chubb et al. (2021) Collision-induced absorption
from H2 and He is from Borysow (2002). A simplistic atmospheric
model was adopted as we wish to isolate the effect of rotation from
all other complexities. The model goes to a maximum pressure of 10
bar, and the planet radius is defined as the radius at 100 mbar. Priors
and ranges for each parameter are included in Table 1.
The planet used is an analogue of WASP-19 b, with a radius of

MNRAS 000, 1–5 (2023)
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Figure 2. The difference between the simulated spectra with (orange) and
without (blue) the effect of centrifugal acceleration included. The planet used
is a WASP-19 b analogue, with parameters as described in Section 2.3. The
forward model with this effect taken into consideration has a more extended
atmosphere and, thus, a higher value for the observed planetary radius at
each wavelength. The increase in transit depth is a scaled version of the base
spectra and, thus, is wavelength dependent.

1.415 RJup, a mass of 1.154MJup, equilibrium temperature of 2113.0
K and an orbital period of 0.78 days (Cortés-Zuleta et al. 2020). It
is used to demonstrate the impact of rotation on retrievals as it has a
large atmospheric scale height. An error envelope of 30 ppmwas used
over the simulated spectrum which included the modification in 𝑔
due to rotation. A spectral range of 1.5 `m – 5.0 `mwas used, with a
spectral resolution (_/Δ_) ranging between 60-200 – corresponding
to the binned resolution for the JWST NIRSpec PRISM instrument
used in The JWST Transiting Exoplanet Community Early Release
Science Team et al. (2022). No additional scatter noise was added to
the simulated spectrum.

3 RESULTS

3.1 Retrieval

Two retrievals were performed on the synthetic spectrum including
centrifugal effects which is shown in orange in Fig. 2; one including
centrifugal effects in the retrieval model, and one assuming zero
rotation. Table 1 compares the retrieved values with the inputs for
each parameter.
Both retrievals produced an equally good fit to the input spec-

trum, but the retrieved parameters varied between them, and the
retrieval excluding rotational effects does not correctly recover the
input atmospheric state. The retrieved gas abundances are ∼ 0.3dex
(or∼ 3𝜎) lower than their true values when the retrieval is performed
without the corrections for spin. The posterior distributions for the
retrieval excluding spin also have increased skewness. In the scenario
without rotation included, a higher value is retrieved for the radius of
the planet which compensates for the increased transit depth, actually
caused by lower gravity and higher scale height due to rotation. How-
ever, increasing the radius lifts up the spectrum while also stretching
feature amplitudes. The gas abundances in this scenario are retrieved
to be lower than the truth to compensate for this effect and reduce
the feature amplitudes to match the simulated spectrum. This test

Figure 3. A corner plot showing the difference in retrieved parameters with
(orange) and without (blue) the correction to 𝑔 due to planetary rotation
included. A significant shift can be seen in the retrieved gas abundances and
planetary radius.

indicates that retrievals that do not include the centrifugal effect can
be apparently successful, whilst producing spurious results.

3.2 Parameter Space Exploration

We used a grid of planetary parameters to test which planets would
be most affected by the inclusion of the modified effective gravity in
the calculation of the scale height. The planetary parameters varied
were the planet’s radius, equilibrium temperature, stellar radius and
orbital period. The planetary radius was varied from 1.0 to 2.0 RJup,
the equilibrium temperature was varied from 1000 K to 2000 K, the
stellar radius was varied from 0.8 R� to 1.5 R� , and the rotation pe-
riod was varied from 0.6 days to 4.5 days. The planetary mass was set
to 0.8 MJup 1. All other parameters used in the atmospheric forward
model setup were kept the same, as described in Section 2.3. The
equilibrium temperature divided by bulk density and the square of
the stellar radius (Similar to the Transmission Spectroscopy Metric,
see Kempton et al. (2018)) was used as a metric for how inflated the
planet’s atmosphere is. Denser planets have a greater gravitational
pull and combined with lower equilibrium temperatures, they are
expected to have lower atmospheric scale heights, and vice versa.
A greater value of stellar radius also contributes to a lower relative
transit depth.
In Figure 4, we illustrate the magnitude of the centrifugal cor-

rection over a range of planetary parameters. The synthetic spectra
with and without rotation were compared at each grid point, and the
average difference between them was calculated. Bounding curves
to denote values of this difference at 30, 60 and 100 ppm (Barstow
et al. 2017; Taylor 2022) respectively, are plotted. We can distinguish
the change in the transmission spectrum due to rotation from random
noise at either 30, 60 or 100 ppm, for the planets that lie below and
to the right of each bounding curve.
Real planets are overplotted on this figure, with the planetary ra-

dius, mass, equilibrium temperature and host star radius for each
obtained from the NASA Exoplanet Archive. Two of the exoplan-
ets which would show significant differences in retrieved parameters

1 RJup = 69911 km, MJup = 1.898 ×1027 kg, R� = 695700 km
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Parameter Prior Type Prior Range True Value Retrieved Value (With Spin) Retrieved Value (No Spin)

log(H2O) log-uniform -12, -1 -2.00 −2.020+0.054−0.061 −2.373+0.129−0.229
log(CO2) log-uniform -12, -1 -4.00 −4.024+0.065−0.071 −4.380+0.142−0.246
Tiso (K) uniform 1600.0, 2400.0 2113.00 2108.95+27.55−27.91 2108.35+27.51−28.21
Radius (RJup) uniform 1.1, 1.8 1.415 1.415+0.001−0.001 1.421+0.003−0.002

Table 1. The true values used for the simulated spectrum and the retrieved values for the cases with and without planetary rotation, obtained from the sample
retrieval. The values reported are the median and the 1𝜎 errors.

with rotation included are Cycle 1 JWST targets: WASP-19 b and
WASP-121 b. The exact magnitude of the effect will depend not only
on the bulk properties of the planet but also on its atmospheric com-
position, and therefore the location of a particular planet in Figure 4
is intended as a guide rather than an exact statement of how large the
effect will be in each case.

4 DISCUSSION

4.1 Dependence of Centrifugal Acceleration on Latitude and
Planetary Oblateness

We have not accounted for the variation of centrifugal acceleration
with latitude in this process. To demonstrate that taking the latitudinal
average is a reasonable approximation, we generated a transmission
spectrum for a planet segmented into 20 latitudinal sections. The ef-
fective gravitational acceleration for each segment increases towards
both poles as the perpendicular distance from the rotation axis de-
creases. However, the difference between this transmission spectrum
and one generated without considering the latitudinal variation for
realistic values of the orbital period (1 day), planetary mass (1MJup),
planetary radius (1 RJup), and equilibrium temperature (2000 K) is
of the order of 5 ppm.
We have also not accounted for the oblateness of a planet. Recent

works (Berardo & de Wit 2022; Busuttil 2017) have considered the
effect of the oblateness of a planet on the density derived from the
transit lightcurve. Because the planet is elongated in the direction
of the star, along the line of sight at transit, the planet volume is
greater than that inferred from the planet radius derived from transit
light curves. This leads to the planet density, and hence the gravity
acting on the annulus of atmosphere, being over-estimated. The most
strongly affected exoplanets are those which are closest to Roche
lobe filling, and tend to be short period. In addition, when taking the
depth in full transit, the oblateness of the planet does not need to be
considered; however, as discussed in Grant & Wakeford (2022), the
oblateness of a planet does affect the shape of the transit curve at
ingress and egress, especially at large impact parameters. Routines
to fit the transmission spectrum as a function of \ (see Fig 1) have re-
cently been developed (Grant & Wakeford 2022), and the oblateness
of the planet will need to be considered for this type of analysis.
Accounting for the oblateness of the atmosphere would serve to

further decrease the gravity from the value we calculate above. Our
quantitative estimates of the magnitude of the effect of rotation are
therefore conservative, although we do not expect them to deviate
from reality by more than a few ppm.

4.2 Tidal Locking and Rotation Period

The type of planets most affected by the centrifugal effect are ultra
short period hot Jupiters. We have assumed that these planets are
tidally locked, because for these planets, e.g., a Jupiter-like planet

orbiting a Sun-like star with a 1 day orbit, the tidal locking timescale
(∼10 Myr) is much shorter than the estimated ages of these systems
(>1 Gyr).

5 CONCLUSION

In this work, we have analysed the effect of the rotation of an ex-
oplanet on atmospheric retrievals using transmission spectroscopy.
We find that for low-density, fast-spinning planets (planets on the
lower right section of Figure 4), the centrifugal effect increases the
spectroscopic transit depth on the order of 10—100ppm. The com-
bined effect of decreased surface gravity and increased centrifugal
acceleration causes the increase in scale height due to rotation to
be most prominent on these planets. The difference in the transmis-
sion spectrum with and without rotation is more than 30 ppm for
the planets labelled with their respective names in the lower right
section. Ignoring this effect in our models may lead to retrieved val-
ues of gas abundances or temperatures that are significantly different
from the true values. Table 1 demonstrates that the abundances de-
rived for H2O and CO2 are both displaced from their true values by
∼ 0.3dex (or ∼ 3𝜎) when rotation is not included in the models used
for retrieval.
As the feature amplitudes are increased by the inclusion of the

centrifugal forces, the resulting transmission spectrum mimics the
properties of one produced by a lighter and hotter atmospherewithout
centrifugal forces. We also find that the effect, while mostly grey, is
a scaled version of the actual transmission spectrum.
We have not included effects such as superrotation or drag of the

atmosphere caused by the spinning of the planet. As the quality of
data and speed of computational methods improve, more realistic
atmospheric models will be required to get a detailed understanding
of exoplanet atmospheres.
In conclusion, we recommend that our proposed correction to scale

heights, which does not add any significant computational time to the
retrievals, should be considered for forward models and atmospheric
retrievals of gas-giant exoplanets with orbital periods under 3.0 days.
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Figure 4. Orbital period versus a metric of planet atmosphere inflation with real planets plotted. Lines indicate the boundaries where the offset between
transmission spectra with and without rotation reach values of 30 ppm, 60 ppm, and 100 ppm. The change in the transmission spectrum due to rotation is
strongest towards the lower right. Where the effect of rotation exceeds the 30 ppm limit, the planets are marked with their names. Cycle 1 JWST targets WASP-19
b and WASP-121 b are also marked and highlighted in orange.
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The grid of forward models generated for the parameter space
exploration (Figure 4) can be found at: https://github.com/
riobanerjee/spinny-stuff.
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Abstract

The 21-cm signal from the dark ages provides a potential new probe
of fundamental cosmology. While exotic physics could be discovered,
here we quantify the expected benefits within the standard cosmol-
ogy. A measurement of the global (sky-averaged) 21-cm signal to the
precision of thermal noise from a 1,000 hour integration would yield
a 5.5% measurement of a combination of cosmological parameters. A
10,000 hour integration would improve this to 1.8%, and constrain
the cosmic Helium fraction as well as Planck. Precision cosmology
with 21-cm fluctuations requires a collecting area of 10 km2 (which
corresponds to 400,000 stations), which with a 1,000 hour integra-
tion would exceed the same global case. Enhancing the collecting area
or integration time ×10 would yield a 0.5% parameter combination,
a Helium measurement five times better than Planck, and a con-
straint on the neutrino mass as good as Planck. Our analysis sets a
baseline for upcoming lunar and space-based dark ages experiments.

Observation of the redshifted 21-cm signal due to the hyperfine transi-
tion of neutral hydrogen (HI) is a promising method to study its three-
dimensional (3D) distribution in the Universe [1–3]. The era from the epoch of
recombination (redshift z ∼ 1100), when matter decoupled from the radiation
and these photons free-streamed as the cosmic microwave background (CMB),
until the formation of the first substantial population of luminous objects
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2 The 21-cm signal from the dark ages

(z ∼ 30) is referred to as the ‘Dark Ages’. After decoupling, the temperature
of the gas (Tg) declined adiabatically as (1 + z)2 whereas the CMB tempera-
ture (Tγ) fell as (1+z). The spin temperature Ts (an effective temperature that
measures the ratio of the population densities of the upper and lower states of
the 21-cm transition) was strongly coupled to Tg through collisional coupling
until z ∼ 70 [4]. After this time, the collisional process became ineffective and
Ts began to approach Tγ . Thus, during the dark ages Ts remained significantly
lower than Tγ over a wide redshift range of 300 . z . 30, during which the
HI is expected to produce absorption features in the CMB spectrum.

The dark ages are potentially a critically important window in the evolu-
tionary history of the Universe. Since cosmic evolution at this time was not
yet significantly affected by astrophysical processes, the dark ages offer a clean
probe of fundamental cosmology similar to the CMB. This is in contrast to
cosmological probes in the modern Universe, such as those based on the galaxy
distribution or on the statistics of Lyman-α absorption lines, that suffer an
irreducible systematic uncertainty due to the potential influence of complex
astrophysics (including star formation, radiative feedback from stars and stel-
lar remnants, and supernova feedback). The dark ages can be probed using
the redshifted HI 21-cm signal, either by measuring the global (or mean) sig-
nal or by measuring the fluctuations at various length scales, i.e., the power
spectrum. Unlike the CMB which comes to us from a single cosmic time, the
21-cm signal can be observed over a range of cosmic times, as each frequency
1420 MHz/(1 + z) corresponds to a different look-back time. The 21-cm data
set is thus 3D; moreover, since small-scale fluctuations that are washed out
in the CMB are available in the 21-cm power spectrum, the latter contains
potentially far more cosmological information [5].

Prior to recombination, the coupling of the baryons to the photons kept
the baryon density and temperature fluctuations negligible on sub-horizon
scales. The 21-cm power spectrum during the dark ages probes the era of
baryonic infall into the dark matter potential wells [6] and is quite sensitive
to the values of the ΛCDM cosmological parameters [6], particularly on the
scale of the baryon acoustic oscillations (BAO) that are a remnant of the
pre-recombination baryon-photon fluid. Importantly, the fluctuations on these
scales are still quite linear during the dark ages, and thus modeling them does
not need to deal with complex non-linearity as is the case for probes in the
more recent Universe. The 21-cm fluctuations probe fluctuations of the baryon
density, peculiar velocity [7, 8], and baryon temperature (as determined by
the fluctuating sound speed [6, 9]). A number of smaller contributions must
be included in a precise calculation [10, 11]. All of this assumes the standard
cosmology. Besides this, there are various studies on non-standard possibili-
ties during the dark ages, such as DM-baryon interactions [12–14] or features
in the primordial power spectrum [15]. It has also been shown that the 21-cm
signal can potentially be a powerful probe of primordial non-Gaussianity, at
the levels expected from cosmic inflation (see, e.g., [5, 16–18]), but below we
find that it would be difficult observationally to reach the high wavenumbers
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where this is most promising. While some types of exotic (non-standard) cos-
mology would be easier to detect, we focus in this work on the safest case of
standard cosmology.

Observing the 21-cm signal from the dark ages using radio telescopes on
Earth would be nearly impossible due to the ionosphere, which heavily dis-
torts and eventually blocks very low frequencies. This necessitates lunar or
space-based experiments, and these are being rapidly developed as part of
the international race to return to the moon, with efforts including NCLE1

(Netherlands-China), DAPPER2 (USA), FARSIDE3 (USA), DSL4 (China),
PRATUSH5 (India), FarView6 (USA), SEAMS (India), LuSee Night7 (USA),
ALO8 (Europe), and ROLSES9 (USA). These missions will probe either the
global signal or the spatial fluctuations of the dark ages 21-cm signal. We note
that most of these experiments are at the early design stage, and also mea-
suring the dark ages power spectrum is substantially more futuristic than the
global signal.

Given the great potential for precision cosmology, as well as the rapid
observational developments, in this paper we study the use of the 21-cm signal
(both the global signal and power spectrum) during the dark ages to constrain
the cosmological parameters. In this prediction it is important to account for
observational limitations, and not just assume the theoretical limiting case of
a full-sky, cosmic variance limited experiment. Indeed, an inevitable obsta-
cle is thermal noise, which rises rapidly with redshift as well as wavenumber.
For the power spectrum, another observational barrier is the angular reso-
lution, since for an interferometer with a given set of antennae, reaching a
higher angular resolution reduces the array’s sensitivity. In general in 21-cm
cosmology, an interferometer requires a much greater investment of resources
than a simple antenna for measuring the global signal; the potential reward
of the former is also substantially greater due to the richer information con-
tent available in measuring the power spectrum versus redshift. We note that
the just-mentioned observational obstacles worsen more rapidly with redshift
for the 21-cm power spectrum; the signal also declines faster for the power
spectrum, since the dark ages universe was more homogeneous, density fluctu-
ations were smaller, and there were no galaxies around to amplify the 21-cm
fluctuations. These factors make the global signal relatively advantageous at
least as an initial probe of the dark ages.

There are other practical difficulties faced by 21-cm experiments, includ-
ing removing terrestrial radio-frequency interference (RFI), accounting for the
effect of the ionosphere, and removing or avoiding foreground emission (coming

1https://www.ru.nl/astrophysics/radboud-radio-lab/projects/NCLE
2https://www.colorado.edu/project/dark-ages-polarimeter-pathfinder
3https://www.colorado.edu/project/lunar-farside
4https://www.astron.nl/dsl2015
5https://wwws.rri.res.in/DISTORTION/pratush.html
6https://www.colorado.edu/ness/projects/farview-lunar-far-side-radio-observatory
7https://www.lusee-night.org/night
8https://www.astron.nl/dailyimage/main.php?date=20220131
9https://www.colorado.edu/ness/projects/rolses

https://www.ru.nl/astrophysics/radboud-radio-lab/projects/netherlands-china-low-frequency-explorer-ncle
https://www.colorado.edu/project/dark-ages-polarimeter-pathfinder
https://www.colorado.edu/project/lunar-farside
https://www.astron.nl/dsl2015
https://wwws.rri.res.in/DISTORTION/pratush.html
https://www.colorado.edu/ness/projects/farview-lunar-far-side-radio-observatory
https://www.lusee-night.org/night
https://www.astron.nl/dailyimage/main.php?date=20220131
https://www.colorado.edu/ness/projects/radiowave-observations-lunar-surface-photoelectron-sheath-rolses
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from synchrotron radiation from our own Milky Way as well as other galax-
ies). As these obstacles are increasingly overcome, this will allow for deeper
integrations for which the noise remains dominated by the thermal noise. Tech-
niques for achieving this are a matter of research that is achieving continuous
improvement, as reflected in the best current constraints from global exper-
iments such as EDGES [19] and SARAS [20], and interferometers such as
LOFAR [21], MWA [22] and HERA [23]. Thus, for the 21-cm signal from the
dark ages, the thermal noise for various integration times serves as a fiducial
benchmark for future experiments. Note that going to the moon could present
substantial practical advantages beyond just avoiding the Earth’s ionosphere:
a potentially benign environment that is extremely dry and stable, plus the
blocking out of terrestrial RFI (on the lunar far-side).

1 The 21-cm signal

The 21-cm differential brightness temperature relative to the CMB, Tb,
observed at a wavelength of 21×(1 + z) cm from redshift z, can be expressed
as [4, 24]

Tb ' 54.0 mK
ρHI

ρ̄H

(
Ωbh

2

0.02242

)(
Ωmh

2

0.1424

)− 1
2
(

1 + z

40

) 1
2 xc

1 + xc

(
1− Tγ

Tg

)
,

(1)
where ρHI is the neutral hydrogen density and ρ̄H is the cosmic mean density
of hydrogen, and also xc is the collisional coupling coefficient. During the dark
ages, CMB scattering pulls Ts −→ Tγ , whereas atomic collisions pull Ts −→ Tg.

The cosmic mean 21-cm brightness temperature is measured by global
experiments; since these are relatively simple and advantageous at the highest
redshifts, we consider them first in Sec. 2.1. Additionally, Tb has fluctuations
mainly due to the fluctuations in the gas density and temperature. As noted
above, the gas retains some memory of the early BAO, on the scale traversed
by sound waves in the photon-baryon fluid (wavenumber k ∼ 0.1 Mpc−1; scales
are comoving unless indicated otherwise). The signature of these oscillations
can be detected in the 21-cm power spectrum from the dark ages (see Sec. 2.2).
The expression in eq. 1 does not include redshift space distortions, an impor-
tant source of fluctuations due to the line-of-sight component of the peculiar
velocity of the gas [7, 25, 26]. That expression also does not include small
additional effects [10, 11].

We use the standard CAMB10 [10, 27] cosmological perturbation code to
precisely generate the 21-cm global signal from the dark ages and, after
accounting for the anisotropy due to redshift space distortions [26], the 3D
21-cm power spectrum. While the line-of-sight anisotropy is in principle mea-
surable, foreground removal is expected to make this difficult, so here we
conservatively consider only the spherically-averaged power spectrum. We also
add the Alcock-Paczyński effect [28–31] and the light-cone effect [32, 33] to

10http://camb.info

http://camb.info
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our power spectrum calculations, and account for the effect of the field of view
and angular resolution of radio interferometers (see Methods). We use the lat-
est measurements (based mainly on the CMB) [34] to set our fiducial values
of the cosmological parameters. The 21-cm global signal and power spectra
during the dark ages for this fiducial model are shown, respectively, in Figs. 1
and 2, which are explained below in further detail.

2 Results

2.1 The global 21-cm signal

As noted above, measuring the 21-cm global signal requires a single, well-
calibrated antenna. Fig. 1 shows the 21-cm global signal from the dark ages as
a function of ν (and z), for the fiducial cosmological model. The expected signal
dips to a maximum absorption of −40.2 mK at z = 86 (ν = 16.3 MHz). Also
shown in Fig. 1 is the instrumental noise for tint = 1,000 hrs (a standard fiducial
integration time, also equal to 11.4% of a year) and 100,000 hrs, for a bin of
width ∆(ln ν) = 1 around each ν. The noise increases sharply with redshift,
yielding a maximum signal-to-noise ratio (S/N) of 11.6 for tint = 1,000 hrs and
116 for 100,000 hrs (both at z = 41 or ν = 34 MHz); in the latter case, the S/N
for the global signal remains above unity up to z = 207 (ν = 6.8 MHz). We
note that if other difficulties are overcome and integration time becomes the
main issue, then multiple copies of a global experiment effectively increase tint

in proportion to the number of copies (as long as they are not placed spatially
too close together).

By fitting the standard cosmological model to the global signal with its
expected errors, we find the constraints that can be obtained on the cosmolog-
ical parameters. While the amplitude of the global signal depends significantly
on some of the parameters, the shape is highly insensitive, which means that
the signal essentially measures a single quantity, the overall amplitude, which
depends on a combination of cosmological parameters. Specifically, the global
signal depends significantly only on the parameters Ωbh

2 and Ωmh
2, where Ωb

and Ωm are the cosmic mean densities of baryons and (total) matter, respec-
tively, in units of the critical density, and h is the Hubble constant in units of
100 km s−1 Mpc−1. Given the strong degeneracy between the two parameters,
the constraint is on the combination (see Methods)

CGlobal ≡
Ωbh

2

(Ωmh2)0.251
. (2)

The relative errors in CGlobal for three different values of tint are shown
(along with our other main results) in Table 1 and Fig. 3. A measurement of
the global 21-cm signal to the precision of thermal noise from a 1,000 hour
integration would yield a 5.54% measurement. This would be a remarkable
achievement for cosmological concordance, since it would be independent of
other cosmological probes and come from a previously unexplored cosmological
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Fig. 1 The 21-cm global signal from the dark ages (blue solid line) as a function of ν (or z
as the top x-axis). We also show the expected thermal noise for a global signal experiment
observing for integration time 1,000 hrs (orange dashed line) or 100,000 hrs (green dotted
line) for a bin with ∆(ln ν) = 1.

era. Increasing the integration time would improve this precision as the inverse
square root, so that sub-percent precision in CGlobal (comparable to the typical
Planck precision on each cosmological parameter) would require a considerable
integration time of order 100,000 hrs.

Table 1 The relative errors in % and the limits on the total mass of neutrinos (all are
1σ). For the Helium fraction (YP) and the neutrino mass, we compare to constraints based
on Planck CMB measurements alone and also (Planck + BAO) those that include BAO
measurements from galaxy clustering [34].

Global Planck Planck Integration time

signal + BAO 100,000 hrs 10,000 hrs 1,000 hrs

CGlobal 0.554 1.75 5.54
YP 4.96 5.44 1.74 5.52 17.4∑
mν [eV] < 0.0578 < 0.108 < 0.447

Power Planck Planck Configuration

spectrum + BAO D C B A

CPowSpec 0.0457 0.382 0.462 4.59
YP 4.96 5.44 0.116 0.981 1.20 11.9∑
mν [eV] < 0.0578 < 0.108 < 0.0100 < 0.0839 < 0.107 < 1.06

In addition to the minimal, standard set of cosmological parameters, the
global signal can also provide additional constraints, of which we consider a
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couple examples. For these additional parameters, we consider the favorable
approach in which we fix the standard set of parameters at their fiducial values
(e.g., based on Planck with its small errors) and explore the power of the 21-
cm signal to constrain these specific extended parameters. In particular, since
the 21-cm signal depends directly on hydrogen and not just the total baryon
density, the first additional parameter is the fraction of the baryonic mass in
helium, usually denoted YP. This parameter is currently constrained by Planck
(even when combined with galaxy clustering) at a level that is an order of
magnitude worse than the precision on the standard parameters. For tint =
1,000 hrs, the global 21-cm signal would yield an independent 17.4% constraint
on YP. Around 10,000 hrs would be able to match the Planck constraint, and
the best-case scenario of 100,000 hrs would beat Planck by a factor of 3 (Table 1
and Fig. 3). Similarly, we find constraints on the neutrino mass, though for
this purpose the global signal would not be competitive with Planck, even for
tint = 100,000 hrs.

2.2 The 21-cm power spectrum

As noted above, compared to the global 21-cm signal from the dark ages,
it would take a substantially larger effort to measure the power spectrum.
However, looking towards the future, the power spectrum has a far greater
potential to become a ground-breaking cosmological probe, as it is a much
richer dataset. Fig. 2 shows the spherically-averaged power spectrum of 21-cm
brightness fluctuations as a function of wavenumber at various redshifts during
the dark ages. The signal rises initially as the adiabatic expansion cools the
gas faster than the CMB, creating an absorption signal that strengthens with
time. Eventually, though, the declining density reduces the collisional coupling
so that xc drops below unity and the 21-cm signal weakens. For example, the
maximum squared fluctuation ∆2 at k = 0.1 Mpc−1 is 0.44 mK2 at z = 51.

For the observational setup, we assume a minimal case for which a 1,000
hour integration would exceed the constraint level given by the same global
case; this would be required to justify the much greater effort involved in
building an interferometer. We find that this would (approximately) require a
collecting area of Acoll = 10 km2, which along with tint = 1,000 hrs we adopt
as our minimal, A configuration. The collecting area of 10 km2 corresponds to
400,000 stations, each with an effective collecting area of 25 m2 (see Methods).
This is quite futuristic but we hope that our theoretical work helps motivate
new ideas to achieve this more quickly. The four observational configurations
that we use to illustrate measurements of the 21-cm power spectrum are listed
in Table 2. Fig. 2 shows the 1σ noise expected for our A and B configurations,
when we include the (dominant) thermal noise as well as cosmic variance (see
Methods). The figure also shows the power spectrum when accounting for the
effect of angular resolution. The thermal noise increases rapidly with redshift,
and so the maximum S/N (without the effect of angular resolution) occurs at
the minimum redshift we consider (z = 30), and is 13.3 for the A configuration
and 133 for the B configuration, both at k = 0.091 Mpc−1.
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Fig. 2 The spherically-averaged (total) power spectrum of 21-cm brightness fluctuations as
a function of wavenumber k during the dark ages, at redshifts z = [150, 125, 75, 50, 40, 30].
The dotted lines show the power spectrum at z = 75 and 40 when accounting for the effect
of angular resolution (for our A or B configuration). We also show the 1σ noise (thermal plus
cosmic variance) for our A (short dashed lines) and B (long dashed lines) configurations, at
z = 75 and 40 (for bins with ∆(ln ν) = 1 and ∆(ln k)=1).

Table 2 The observational configurations that we use to illustrate measurements of the
21-cm power spectrum, in terms of the collecting area Acoll and integration time tint (see
Methods).

Configuration

D C B A

Acoll [km2] 100 100 10 10
tint [hrs] 10,000 1,000 10,000 1,000

Given measurements of the 21-cm power spectrum throughout the dark
ages (z > 30), we carry out a Fisher analysis with five cosmological parame-
ters (see Methods). The relative errors in the ΛCDM cosmological parameters
are rather large due to significant degeneracies, and even configuration D
approaches the accuracy level of Planck only in some of the parameters (see
Methods). As with the global signal, it is more useful to consider parameter
combinations that are well constrained. In particular, we focus on the minimum
variance combination (see Methods), which for configuration A is

CPowSpec ≡ Ωbh
2 (Ase

−2τ )0.307(0.9950)ns

(Ωmh2)0.464H0.0753
0

. (3)
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Fig. 3 We show graphically the main results that are listed in Table 1, namely the relative
errors in % and the limits on the total mass of neutrinos (all are 1σ). For the Helium fraction
(YP) and the neutrino mass, we compare to constraints based on Planck (with or without
BAO from galaxy clustering). Note that we abbreviate “configuration” as “Conf.”.

Here the additional parameters [34] are the Hubble constant H0 (in units of
km s−1 Mpc−1), the primordial amplitude As, the total reionization optical
depth to the CMB τ , and the scalar spectral index ns. We note that the form
of CPowSpec (eq. 3) changes slightly for different scenarios (see Methods).

The relative errors in CPowSpec for the various observational configura-
tions are shown in Table 1 and Fig. 3. Configuration A would yield a 4.59%
measurement of the parameter combination CPowSpec, which would be observa-
tionally independent of the global signal constraint and thus provide a powerful
cross-check. More importantly, there would be a great potential for future
improvement, as Configurations B and (the slightly better) C would improve
this by an order of magnitude (reaching the typical Planck precision on each
cosmological parameter), and D by a further order of magnitude. Just as for
the global signal, we consider constraints on additional parameters while fix-
ing the standard set of parameters. Here configuration A would measure YP

to 11.9%, B and C would do 5 times better than the Planck constraint, and
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D would do almost 50 times better than Planck. It is reasonable to again con-
sider these constraints while fixing the standard parameters based on Planck,
since Planck constrains the standard parameters better than any of our 21-cm
configurations. Finally, the constraint on the total neutrino mass would not be
competitive with Planck for configuration A, but would roughly match Planck
for configurations B or C, and beat it by an order of magnitude for configura-
tion D. This constraint is driven by the suppression of small-scale power due
to neutrino free-streaming. Here we emphasize a major advantage for probing
the neutrino effect on gravitational clustering during the dark ages: the cor-
responding scales were still in the regime of linear fluctuations, and were not
yet affected by the complex astrophysics of galaxies.

3 Conclusions

Observations of the redshifted 21-cm signal from the dark ages have great
cosmological potential. While various exotic, non-standard scenarios could be
easily detected (or ruled out), here we considered the safe, conservative case
of standard cosmology, studying the potential for creating a powerful new
cosmological probe. We found constraints on the ΛCDM cosmological param-
eters, independently considering the two major types of 21-cm measurements,
the global (or mean) signal as a function of frequency and the spherically-
averaged power spectrum as a function of both frequency and scale. We used
CAMB and added to it redshift space distortions, the Alcock-Paczyński effect,
the light-cone effect, and the effect of angular resolution. For the error esti-
mates, we considered different levels of thermal noise (plus cosmic variance),
meant to serve as a benchmark for experiments which face additional practical
challenges including foreground removal.

With global 21-cm signal measurements, we found that a combination of
cosmological parameters, CGlobal (eq. 2), can be effectively constrained. An
integration time of 1,000 hrs would yield a relative error in CGlobal of 5.54%,
with improvement to a best-case precision of 0.554% for 100,000 hrs. In the
case of the 21-cm power spectrum, it would take a greater effort to achieve
comparable constraints, but there are better prospects for future advances.
The parameter combination CPowSpec (eq. 3) can be constrained to 4.59% in
our configuration A (a 1,000 hr integration with an array of collecting area
10 km2), but the precision can improve to 0.0457% in our configuration D (a
10,000 hr integration with a collecting area of 100 km2).

Fixing the standard set of cosmological parameters to their fiducial values,
we found constraints on separately varying two other important parameters.
Given the direct dependence of the 21-cm signal on hydrogen, the fraction
of the baryonic mass in helium YP would be constrained to 17.4% with a
1,000 hr integration of the global signal; 10,000 hrs would match the ∼ 5%
Planck constraint, and the best-case scenario of 100,000 hrs would beat Planck
by a factor of 3. Using the power spectrum, configuration A would measure
YP to 11.9%, B and C would do 5 times better than the Planck constraint,
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and D would do almost 50 times better than Planck. Regarding limits on the
total mass of neutrinos, constraints that are competitive with Planck would
be possible only with the 21-cm power spectrum, for which configurations B
or C would roughly match Planck, and configuration D would beat it by an
order of magnitude.

Our analysis highlights the potential of the 21-cm signal as a probe of
cosmology, and suggests a focus on the global signal as the first step, with the
21-cm power spectrum being much more promising in the long run. Our results
set a baseline reference for many upcoming and future lunar and space-based
dark ages experiments.
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Appendix A Methods

In this Methods section, we first (Sec. A.1) briefly summarize our methods
and add some details and technical notes. We next describe in detail how
our predicted signal accounts for several effects: the Alcock-Paczyński effect
(Sec. A.2), the light-cone effect (Sec. A.3), and the effect of angular resolution
(Sec. A.4). We then note our method for constructing a useful (minimum
variance) linear combination of correlated parameters (Sec. A.5), and present
some additional results and discussion (Sec. A.6). Finally, we briefly discuss
the effect of foregrounds (Sec. A.7).

A.1 Summary of our methods

The main quantity for 21-cm observations, the excess brightness temperature
relative to the CMB from redshift z, is

Tb = (Ts − Tγ)
1− e−τ21

1 + z
, (A1)

where τ21 is the optical depth of the 21-cm transition. This can be expressed
in a simpler form (as given in eq. 1) assuming τ21 � 1.

As noted in the main text, we use the standard CAMB11 [10, 27] cosmo-
logical perturbation code to generate the predicted 21-cm signal. Note that
CAMB does not directly yield the 21-cm global signal (i.e., the mean 21-cm
brightness temperature) as a function of redshift, so we extract it indirectly
by running once with temperature (mK) units on and once with temperature

11http://camb.info

http://camb.info
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units off, and taking the ratio of the transfer functions in the two cases. Also,
CAMB outputs the 2D angular power spectrum, inspired by CMB analyses but
less relevant to 21-cm data that naturally constitute a 3D dataset both theo-
retically and observationally. CAMB yields the transfer function for the 21-cm
monopole power spectrum, to which we add by hand the redshift space distor-
tions using the transfer function of baryon density, based on Ref. [26]. Having
obtained the anisotropic 3D power spectrum, we then average over angle in
this linear-theory case (this is shown within the derivation in Sec. A.2 below).
After this, we add several effects that are presented in detail in the next few
sections.

In CAMB and throughout the paper, for the cosmological parameters
we have used fiducial values (based mainly on the CMB) [34] of H0 =
67.66 km s−1 Mpc−1, Ωbh

2 = 0.02242, Ωmh
2 = 0.14240, Ase

−2τ = 1.881 ×
10−9, and ns = 0.9665. We note that Ωm = Ωc+Ωb+Ων , where Ωch

2 = 0.11933
is the contribution of cold dark matter and the fiducial neutrino contribution
(based on the minimal total mass of 0.06 eV allowed by neutrino oscillation
experiments) is Ωνh

2 = 6.451× 10−4.
In this paper, our variables in the global signal case are log(Ωbh

2) and
log(Ωmh

2). For the 21-cm power spectrum we have three additional variables:
log(Ase

−2τ ), ns, and log(H0). We assume a flat Universe, where the rest of the
energy density (1−Ωm) is given by a cosmological constant. We note that in the
21-cm power spectrum from the dark ages (which, like cosmic recombination
in the case of the CMB, occurred long before any significant reionization), the
amplitude that is directly probed is (Ase

−2τ ) and not As. This is since the re-
scattering of the 21-cm photons during reionization damps the fluctuations as
in the case of sub-horizon CMB fluctuations, i.e., the brightness temperature
relative to the mean gets multiplied by a factor of e−τ . Unlike the CMB, there
is no separate information on As and τ , since in the CMB there is information
on the largest scales and on polarization, but both of these are not expected
in 21-cm measurements (at least in the near future). We also note that there
is no logarithm on ns since it is a power, i.e., it effectively is already defined
as a logarithmic variable. For the power spectrum P (k), we express the results
(e.g., in Fig. 2) in terms of the squared fluctuation ∆2 ≡ k3P (k)/(2π2).

The thermal noise in a global signal measurement is [35]

∆T =
Tsys√
∆ν tint

, (A2)

where ∆ν is the bandwidth, tint is the integration time, and we assume that
the system temperature Tsys is approximately equal to the sky brightness
temperature Tsky = 180× (ν/180 MHz)−2.6 K [24].

Next we estimate the observational errors for the 21-cm power spectrum.
Although it is negligible in most practical cases, for completeness (and for
comparison with previous theoretically-motivated work) we include the error
due to cosmic variance (CV), which for the power spectrum measured in a
bin centered at a wavenumber k and frequency ν we can express as (following
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eq. 30 of Ref. [36])

δPcv(k, ν) =
2πP (k, ν)√
V (ν)k3∆(ln k)

, (A3)

where the survey volume for the frequency (redshift) bin V (ν), in the limit
of a thin bin, is given by ΩFoVr

2
ν∆r∆ν , where ΩFoV is the field of view, rν

the comoving distance to the bin center, and ∆r∆ν is the comoving length
corresponding to the bandwidth ∆ν. Note that the field of view (FoV) is
[21(1 + z) cm]2/Aeff for an antenna with an effective collecting area of Aeff .
For example, ΩFoV = 8.89 at z ∼ 70 assuming Aeff = 25 m2, compared to the
whole sky which is 4π = 12.6. Thus, given the small effective area and large
z, for a dark ages array the FoV is typically a significant fraction of the sky;
we set a cutoff of half the sky as the maximum solid angle available to an
interferometer.

The dominant error that we include in the power spectrum measurement
is that due to thermal noise, which can be expressed as [37]

δPthermal =
2

π

(
k3 V

∆(ln k)

)1/2 T 2
sys

∆ν tint

1

N2

Acore

Aeff
, (A4)

where N is the total number of stations and Acore is the core area of the
telescope array. A reasonable plan for an upcoming lunar array (Leon Koop-
mans, personal communication) consists of N = 1282 = 16, 384 stations with
Aeff = 25 m2 and a core area equal to the collecting area, i.e., Acore = Acoll =
N ×Aeff . This gives a total collecting area of 0.4096 km2. We keep all of these
relations fixed but modify N , getting a total dependence of δPthermal ∝ 1/N .
This number must be increased by a factor of 24.4 to N = 400,000 to give our
A configuration in the main text (with a collecting area of 10 km2). We note
though that the smaller collecting area would suffice to put new strict limits
on various non-standard models, and it would approach the performance of
our A configuration if used with an integration time of a few tens of thousands
of hours.

In Figs. 1 and 2 in the main paper, we showed noise estimates that are
independent of binning, so that we gave the overall S/N based on a bin size of
order the central value, i.e., ∆(ln ν) = 1 as well as ∆(ln k) = 1. For the Fisher
matrix predictions, we used 8 frequency/redshift bins in the range 5.81 ≤ ν ≤
45.81 with a bin width of ∆ν = 5 MHz, which corresponds to central redshifts
of [170, 106, 76.6, 59.9, 49.2, 41.6, 36.1, 31.8]; the upper end of the frequency
range was chosen at z = 30, the typical redshift where galaxies at cosmic
dawn form in sufficient numbers to significantly affect the 21-cm signal [38].
For the power spectrum, we used 11 logarithmic k bins covering the range
0.00779 ≤ k < 1.91 Mpc−1 with bin width ∆(ln k) = 0.5. We checked that the
results are insensitive to increasing these binning resolutions. See also sec. A.6
where these ranges are varied.
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A.2 The Alcock-Paczyński effect

When using the 21-cm power spectrum for constraining cosmological param-
eters, it is important to account for the fact that the 3D power spectrum
depends on distances, but these are usually not directly measurable in cos-
mology. Instead, redshifts are measured along the line of sight, while angles
are measured on the sky. The conversions of these quantities to comoving dis-
tances depend on the values of the cosmological parameters, which themselves
are being constrained by the data. This leads to the so-called Alcock-Paczyński
effect [28], which is important also for the 21-cm signal [29–31].

Following the analysis of this effect on the 21-cm power spectrum in
Ref. [31], the setup is that we have a true cosmology (which we take as
that given by the central, fiducial values of the cosmological parameters),
and a different assumed cosmology (for example, where one of the parame-
ters is varied from its fiducial value in order to find the resulting derivative
of the signal, for the Fisher matrix calculation). The conversion to dis-
tances at redshift z involves (on the sky) the angular diameter distance DA

and (for small distances along the line of sight) the Hubble constant H at
z. The ratio DA(true)/DA(assumed) we designate 1 + α⊥, and the ratio
[HDA](true)/[HDA](assumed) we designate 1 + α. Note that these standard
scalings, as written, are for physical distances, while we are interested in comov-
ing distances, but this does not matter here since the difference is a redshift
factor which in 21-cm cosmology is known precisely, independently of the cos-
mological parameters. Now, instead of using the full (complicated) equations
in Ref. [31], we show here how to implement the effect of the changing distance
measures in two steps. Note that to linear order the effects of α⊥ and of α are
independent [31].

The first step is to include the effect of α⊥ assuming α = 0, which cor-
responds to assuming that the scalings from angle to perpendicular distance
and from frequency to line-of-sight distance are the same, in terms of the true
parameters relative to the assumed parameters. This case is isotropic and is
simple to do exactly (without a linear approximation) [31]. The formulas sim-
plify further when applied to the dimensionless combination k3P (k) (which is
proportional to ∆2):

k3P (k) = k3
truePtrue(ktrue) , (A5)

where ktrue = k/(1 + α⊥).
The second effect, that of α 6= 0, is anisotropic, but here we insert it only

for the case of interest, i.e., the simplified case of the effect on the spherically-
averaged power spectrum, to linear order in changes of the parameters (i.e.,
to first order in α). The result uses the angular decomposition of the 21-cm
power spectrum in linear theory, including the effect of line-of-sight velocity
gradients [26]:

P (k, µ) = µ4Pµ4(k) + µ2Pµ2(k) + Pµ0(k) , (A6)
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Fig. A1 The logarithmic dependence of the squared fluctuation on the two parame-

ters of relevance for the Alcock-Paczyński (AP) effect; i.e., 1
∆2

∂∆2

∂(lnH0)
(left panel) and

1
∆2

∂∆2

∂(ln[Ωmh2])
(right panel), shown at z = 40. We show the results in three cases: without

the AP effect, with the first (isotropic α⊥) step only, and with the full AP effect.

where µ = kz/k is the cosine of the angle between the ~k vector and the
line of sight. Here and subsequently, the components (in the decomposition
in powers of µ) of P (k, µ) refer to the result of eq. A5 (note that µ is left
unchanged by the α⊥ rescaling). We note that Pµ0(k) is the (monopole) 21-cm
power spectrum without velocity effects, Pµ4(k) is simply the power spectrum
of the baryon density (the dimensionless power spectrum times the global
temperature squared, to get mK2 units), and Pµ2(k) is the cross term of the
21-cm fluctuation and the baryon density fluctuation. The total spherically-
averaged 21-cm power spectrum is then:

P (k) =
1

5
Pµ4(k) +

1

3
Pµ2(k) + Pµ0(k) . (A7)

Now, from Ref. [31] we find that the second effect, that of α 6= 0, on the
spherically-averaged 21-cm power spectrum, is the addition to k3P (k) of:

α
∂

∂ log k

[
1

7
k3Pµ4(k) +

1

5
k3Pµ2(k) +

1

3
k3Pµ0(k)

]
, (A8)

where again the use of the dimensionless combination k3P (k) simplified the
result. Note that here the ∂/∂ log k refers to a derivative at fixed cosmological
parameters (as the change in the parameters is captured through α⊥ and α).

As noted in the main text, the Alcock-Paczyński effect is important in fit-
ting the dark ages 21-cm power spectrum, since it introduces a dependence
on H0 that is separate from the dependence on the other cosmological param-
eters; it also modifies the dependence of the 21-cm signal on Ωmh

2. Fig. A1
illustrates the logarithmic dependence of the power spectrum on these two
parameters that are relevant for the Alcock-Paczyński effect. Both steps (in the
above two-step procedure) have a comparable contribution to the H0 depen-
dence (which would otherwise be completely absent), while mainly the first
(isotropic α⊥) step significantly enhances the dependence on Ωmh

2.
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A.3 The light-cone effect

In measurements of the 21-cm power spectrum, since different positions along
the line of sight correspond to different redshifts (i.e., what is observed are
points along our past light cone), this results in anisotropy in the 21-cm power
spectrum [32, 33]. Here we are interested only in the spherically-averaged power
spectrum, as averaged over the redshift span of each frequency bin, and the
effect is then simply to average the signal over this redshift range.

To understand how this averaging works, it is easier to consider the correla-
tion function, which is of course closely related to the power spectrum. For the
correlation function at some (comoving) distance r, what we do is average over
all pairs separated by r in the observed volume. Let us call the line-of-sight
comoving distance x in this subsection (to avoid confusion with the redshift z).
In the pair, let us call the two points #1 and #2; for each point #1, we aver-
age over points #2 in a spherical shell at a distance r from point #1. Actually,
the shell is partially cut off at the near and far edges of the radial bin, but
this can be neglected as long as the bin is large compared to the scales 1/k
that we are interested in. Each spherical shell is symmetric about point #1, so
there is a cancellation as long as we can treat the power spectrum as a linear
function of x, over distances of order 1/k. We indeed assume this linear case,
consistently with our overall approach.

What remains is the averaging over points #1, so the result is simply an
average of the power spectrum over comoving volume:∫

x2Ω(x)P (k, x)dx∫
x2Ω(x)dx

. (A9)

Here the solid angle Ω(z) at each z(x) is the same as before (a function of z but
no more than half the sky). Also, P (k, x) denotes the power spectrum at k at
the redshift corresponding to comoving distance x (note that x = (1+z)DA(z)
in terms of the angular diameter distance). For each frequency bin, the integrals
are over the range of x corresponding to the bin.

We find that the light-cone effect in our analysis is fairly small given our
bandwidth of ∆ν = 5 MHz. E.g., when fitting the power spectrum with con-
figuration A, if we do not include the light-cone effect, the error in CPowSpec

changes from 4.59% to 4.95%.

A.4 Angular resolution

When radio interferometry is done at increasingly high redshifts, it becomes
more difficult to achieve a given angular resolution. Thus, the resolution is a
significant limiting factor in measuring the 21-cm fluctuations from the dark
ages. We account for the effect of angular resolution analytically, as follows.
Based on simulations of future radio arrays as well as experience with current
arrays (Koopmans, personal communication), it is a good approximation to
assume a Gaussian point-spread function (PSF), with a full-width at half max
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(FWHM) corresponding to 0.6λ/D, where λ is the wavelength and D is the
maximum diameter of the array (which we find assuming that the collecting
area is a full circle).

Thus, if the comoving coordinates are X, Y , and Z (with the latter being
the line-of-sight direction in this subsection), angular resolution smooths the
21-cm map with a window function

W =
1

2πR2
e−(X2+Y 2)/(2R2)δD(Z) , (A10)

where δD is a Dirac delta function, the pre-factor ensures normalization to
a volume integral of unity, and R is the comoving distance corresponding to
angle θD (i.e., R = (1 + z)DA(z)θD in terms of the angular diameter distance
DA), where the above yields an angle

θD =
0.6λ/D

2
√

2 ln 2
= 0.25

λ

D
= 9.′1

(
1 + z

50

)(
D

1 km

)−1

. (A11)

Then the Fourier transform of W is

W̃ =

∫
d3rWe−i

~k·~r = e−
1
2k

2R2(1−µ2) , (A12)

where µ = cos θ in terms of the angle θ between ~k and the line of sight. The
power spectrum is multiplied by the square of W̃ .

Finally, since here we are only considering the spherically-averaged power
spectrum, we average over angle, which multiplies the power spectrum by the
factor F (kR), where

F (α) =
1

2

∫ 1

−1

dµ eα
2(µ2−1) . (A13)

This integral is related to the error function, but note that the coefficient of
µ2 in the exponent is positive. This function is shown in Fig. A2.

As an example, when fitting the power spectrum with configuration A, if
we do not include the effect of angular resolution, the error in CPowSpec changes
from 4.59% to 3.53%. We note, however, that since in our calculations, we
compare the theoretically-predicted power spectrum with the effect of angu-
lar resolution to the standard expression for the thermal noise, we are being
somewhat overly conservative since in reality the limited angular resolution
will also smooth out the power spectrum of the thermal noise (an effect that
we do not include).
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Fig. A2 The function F (α) that captures the effect of angular resolution, is shown as a
function of α.

A.5 Method for constructing a minimum variance
linear combination of correlated parameters

Given that the fitting of the 21-cm signal to cosmological parameters results
in significant degeneracies among the parameters, we found it useful to con-
struct combinations of the parameters that have a minimum variance. This
best captures the constraining power of the data, especially since these com-
binations are unique to the 21-cm signal and are substantially different from
the combinations that are best constrained by other cosmological datasets.

Fitting the 21-cm global signal is a case of two parameters. In general, let
the parameters be x and y, and assume we know σx ≡

√
〈(∆x)2〉 (where ∆x ≡

x− 〈x〉), σy ≡
√
〈(∆y)2〉, and the correlation coefficient r = 〈∆x∆y〉/(σxσy).

We treat x as the primary variable, which in practice should be chosen as the
parameter that the signal is most sensitive to; naturally, this parameter will
have the largest coefficient in the linear combination below. Then the linear
combination of x and y with minimum variance, normalized so that x has a
coefficient of unity, is:

C = x− αy , (A14)

where
α = r

σx
σy

, (A15)

and C has a standard deviation of

σC = σx
√

1− r2 . (A16)
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Fitting the 21-cm power spectrum is a case of n = 5 parameters. In general,
let the parameters be xi, with i = 1 through n. Then we desire to find the
weights wi so that the parameter combination

C =
∑
i

xiwi , (A17)

has minimum variance, where in the weight vector w, we fix w1 = 1, thus
treating x1 as the primary variable. Assume we know the covariance matrix
Sij = 〈∆xi∆xj〉. Then to get the solution, we remove the first row and column
and obtain the reduced (n − 1) × (n − 1) matrix U , which is simply Sij for
i, j > 1. Also the covariances of the other xj (for j > 1) with x1, i.e., Sj1 for
j > 1, we will call the (n− 1)× 1 vector v. In addition, the n− 1 weights, wj
for j > 1, are a reduced weight vector z. Now we solve: Uz = −v, so that the
solution is:

z = −U−1v . (A18)

We construct the full vector w from this solution for z, and the resulting
minimum variance is

σ2
C = wTSw =

∑
i,j

Sijwiwj , (A19)

where wT is the transpose of w, and i, j go from 1 to n.
We note that it is a general result that if only the parameter x1 is fit to

the data with all the other parameters held fixed, then the resulting error σ1

in x1 is in fact equal to the just-written expression for σC .

A.6 Additional results and discussion

In this section we present a number of additional results and checks, along
with additional discussion. We begin with the global signal. In Sec. 2.1 we
focused on the parameter combination CGlobal (eq. 2), where the power in the
denominator indicates the power-law dependence of the global signal ampli-
tude on Ωmh

2 relative to Ωbh
2. It is naturally expected to be near 1/4, given

eq. (1) (with its terms directly suggesting a power of 1/2) plus the fact that
most of the signal-to-noise comes from the relatively low redshifts where xc is
significantly below 1, and this coefficient is proportional to the collision rate
per atom, and thus to Ωbh

2; this suggests a total dependence roughly propor-
tional to (Ωbh

2)2/(Ωmh
2)1/2, and CGlobal then goes as the square root of this

(since we fix the dependence on the primary parameter, Ωbh
2, to the power of

unity). In Table A1 we also show the global signal constraints on the two rel-
evant cosmological parameters. The errors are very large, in general and also
compared to the Planck measurements. There is a nearly complete degener-
acy, in that the correlation coefficient between Ωbh

2 and Ωmh
2, for example

for tint = 10,000 hrs, is 0.9984. We note that for any parameter x, σ[ln(x)]
equals the relative error in x when σ � 1; this relation is only approximately
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true when σ is not small, but for simplicity, we always quote σ[ln(x)] as the
relative error in x.

Table A1 For the global signal, the 1σ relative errors (in %) on cosmological parameters,
compared to Planck.

Global Planck Planck Integration time

signal + BAO 100,000 hrs 10,000 hrs 1,000 hrs

Ωbh
2 0.624 0.671 9.74 30.8 97.4

Ωmh2 0.611 0.769 38.7 122 387

As the errors on the parameters are large while that on CGlobal is small,
we run an MCMC chain in one case (tint = 10,000 hrs) to verify that the non-
linear individual errors are not leading to a breakdown of the Fisher matrix
approach as applied to the important parameter, CGlobal. The results are shown
in Fig. A3. In the 2D posterior panel, we see that there is almost no correlation
between Ωbh

2 and CGlobal, which justifies the choice of CGlobal as the second
parameter. We find a 1σ constraint on lnCGlobal of −3.301+0.021

−0.020, equivalent to
a relative error of 2.1% in CGlobal, compared to the Fisher approach that gave
a relative uncertainty of 1.75%, an error that is lower by about 15%. Also the
2σ MCMC constraint on lnCGlobal is −3.301+0.0494

−0.0391, which is roughly double
the 1σ range but shows significant asymmetry. We conclude that the Fisher
approach is good enough for approximate answers in this first analysis, but full
MCMC is needed for higher precision when the errors in some of the underlying
parameters are large. Fig. A3 was generated using the python packages emcee
[39] and corner [40].

Moving to the 21-cm power spectrum, in Fig. 2 we showed slices through
this 2D dataset at fixed redshifts. Fig. A4 shows slices in the opposite direction,
namely the variation with ν (or z), at fixed wavenumber values k = [0.01, 0.04,
0.1, 0.4, 1.0, 4.0] Mpc−1, for the fiducial cosmological model. As expected, the
power increases as we go from large scales to small scales. The power (for all
the curves that are shown) peaks at z = 51. These slices show the smooth
evolution with redshift at each k. We also show the 1σ noise curves (thermal
plus cosmic variance) for the A and B configurations, as in Fig. 2.

We now consider the results for the cosmic variance (CV) only case, which
corresponds to the limit of infinite collecting area or integration time. This is a
purely theoretical limit of some interest as a comparison case, given its role in
some previous work [18, 41]. We assume in this limiting case no thermal noise,
perfect angular resolution, and a full sky (i.e., ΩFoV = 4π). The relative error
in CPowSpec for the CV-only case would be 7.72×10−5 %. The relative error in
YP (fixing all other parameters) would be 2.18 × 10−4 %, and the sum of the
neutrino masses would be constrained to

∑
mν < 2.40 × 10−5 eV. Fixing the

other parameters would not be an appropriate assumption in this case with
such minuscule errors, but we include this here for comparison with the other
cases considered in the main text.
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Fig. A3 Global 21-cm signal constraints based on MCMC fitting for tint = 10,000 hrs. Here
we use two basic variables, ln(Ωbh

2) and the logarithm of CGlobal ≡ Ωbh
2/(Ωmh2)0.251.

The panels show the posterior distributions (1D and 2D) of the two parameters.

As noted in the main text, there are strong correlations among the cosmo-
logical parameters, which is what led us to focus on the combination CPowSpec.
The values of the correlation coefficients are illustrated in Table A2, for Con-
figuration A and for the CV-only case. Some of the coefficients approach unity
in absolute value.

We summarize the coefficients for configuration A (as listed in eq. 3) as
[0.307, 0.9950, 0.464, 0.0753] for the power of (Ase

−2τ ), the base of ns, and the
powers in the denominator of Ωmh

2 and H0, respectively. While the depen-
dence of the 21-cm power spectrum on the cosmological parameters is complex,
we can try to roughly understand what drives the various powers in the combi-
nation CPowSpec. As discussed in the first paragraph of this section, the global
signal is roughly proportional to (Ωbh

2)2/(Ωmh
2)1/2. The power spectrum goes

as the global signal squared times the dimensionless (i.e., relative) squared
fluctuation level. This is proportional to the primordial amplitude As, reduced
by post-reionization scattering (as for all sub-horizon scales in the CMB) by
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Fig. A4 The spherically-averaged (total) power spectrum of 21-cm brightness fluctuations
as a function of ν (or z as the top x-axis) at wavenumber values k = [0.01, 0.04, 0.1, 0.4,
1.0, 4.0] Mpc−1. We also show the 1σ noise (thermal plus cosmic variance) for our A (short
dashed lines) and B (long dashed lines) configurations, at k = 0.1 Mpc−1 and 1.0 Mpc−1.
Unlike Fig. 2, the effect of the angular resolution is not shown here.

the factor e−2τ . Then, the growth of fluctuations (squared) from the early
Universe down to the cosmic dark ages is roughly proportional to the growth
factor (squared) at the dark ages relative to matter-radiation equality (which
is when significant matter fluctuation growth begins). Fixing as before the
dependence on the primary parameter, Ωbh

2, to a power of unity, this would
suggest a power of 0.25 for Ase

−2τ and 0.75 in the denominator for Ωmh
2.

The actual powers are changed by various additional complications, including
a strong scale dependence in the sensitivity to Ωmh

2 and a weak separate sen-
sitivity to the Hubble constant introduced by the Alcock-Paczyński effect (see
Sec. A.2). In addition, the weak dependence on ns in CPowSpec means that the
effective scale that is being constrained by the 21-cm power spectrum is close
to the pivot scale k = 0.05 Mpc−1 at which As is defined [34].

As we noted in the main text, the form of CPowSpec changes for different
scenarios. The coefficients for configuration B are [0.307, 0.9986, 0.461, 0.0751],
for configuration C: [0.311, 1.118, 0.382, 0.0811], for configuration D: [0.315,
1.233, 0.300, 0.0760], and for the CV-only case: [0.335, 2.97, -0.292, 0.0223].
Thus, the coefficients for configurations A and B are nearly identical (since
both are strongly dominated by the thermal noise), but things change with
C and D (the angular resolution is now higher, and the CV plays some role,
particularly for D), and big changes happen for CV-only (as the detailed shape
of the power spectrum now plays a major role, and much smaller scales come
into play).



Springer Nature 2021 LATEX template

The 21-cm signal from the dark ages 23

Table A2 The correlation coefficients in the fits of the 21-cm power spectrum. Note that
the actual parameters used in the fitting are the logarithms of the parameters listed here
(except for ns).

CV only Configuration A

Ωbh
2 0.538 -0.661

Ωmh2 -0.965 -0.423 -0.779 0.317
Ase−2τ 0.917 0.271 -0.897 0.633 -0.992 -0.225
ns 0.814 0.260 -0.911 0.674 -0.0812 0.575 -0.487 -0.658

H0 Ωbh
2 Ωmh2 Ase−2τ H0 Ωbh

2 Ωmh2 Ase−2τ

Table A3 For the 21-cm power spectrum, the relative 1σ errors in %, compared to Planck.
Note that we include the CV-only case (which has an extra factor of 10−2 as indicated). We
also list here the errors on Ωch2 since this is one of the standard input parameters in CAMB.

Planck Planck CV only Configurations

+ BAO (×10−2) D C B

H0 0.621 0.802 8.10 4.76 40.4 42.4
Ωbh

2 0.624 0.671 0.105 1.62 13.8 18.4
Ωmh2 0.611 0.769 1.21 0.968 7.85 8.60
Ase−2τ 0.532 0.584 0.859 5.82 49.3 62.9
ns 0.393 0.435 0.237 0.687 5.58 7.32

Ωch2 0.762 1.00 1.46 1.09 8.73 9.69

In fitting the 21-cm power spectra from the dark ages, in the main text we
focused on CPowSpec as well as constraints on Helium and neutrinos. The rela-
tive errors in the standard cosmological parameters are listed in Table A3 and
shown in Fig. A5. We do not show configuration A (for which the errors are
even significantly larger than for the 1,000 hr global signal case). For configura-
tion D some of the errors approach Planck levels, while the ultimate CV-only
case is in principle better than Planck by between 1 and 3 orders of magnitude.

Finally, we explore the dependence of our power spectrum results on vary-
ing the assumed observational ranges, for configuration A. For k this is of
interest since observational limitations (such as foreground removal) could
limit the available range. Table A4 shows that the results are insensitive as
long as we include the scales around the first few BAO, where the S/N is max-
imized (Fig. 2). We also explore various ν ranges, keeping ∆ν = 5 MHz and
removing low redshifts. This is interesting since in rare models the 21-cm sig-
nal can be affected by galaxies at redshifts almost up to 35 [38], plus it is of
interest to understand to what degree the lower redshifts dominate the fitting.
As shown in Table A5, since the S/N is maximized at the lowest redshift, the
cutoff redshift indeed has a substantial effect on the results; the minimum red-
shifts corresponding to the tabulated cases are 30, 33.8, 38.7, and 45.1. The
precise high-redshift cutoff is less important given the low S/N at that end.
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Fig. A5 The relative 1σ errors in % from fitting to the 21-cm power spectrum from the
dark ages. We show graphically the main results listed in Table A3. Note that ‘Conf.’ stands
for configuration.

Table A4 The relative (1σ) errors in %, for various k ranges, when fitting the power
spectrum with configuration A. In all cases we maintain an integer number of bins with
∆ ln k = 0.5.

k range [Mpc−1]

Fiducial [0.00779 − 1.91] [0.0234 − 2.10] [0.0779 − 2.58] [0.00779 − 5.18]

CPowSpec 4.59 4.65 7.76 4.59

A.7 Discussion of foregrounds

The brightness temperature of the foreground sky emission at z = 40 is
expected to be around 13,070 K. While this is significantly higher than at lower
redshifts, the thermal noise is proportional to the sky brightness for the global
signal (eq. A2), and the square of the sky brightness for the power spectrum
(eq. A4); thus, the relative accuracy needed for foreground removal, in order
for the foreground residuals to fall below the thermal noise, is independent
of redshift (for a fixed integration time and frequency bin size). For example,
for the global signal with tint = 1,000 hrs, the foreground must be removed
to an accuracy of a part in 106 or better (depending on the frequency bin
size). This is challenging, but the cosmic dawn experiments are making steady
progress, and as explained in the introduction of the main text, we expect the
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Table A5 The relative (1σ) errors in %, for various ν ranges, when fitting the power
spectrum with configuration A. In all cases we maintain an integer number of bins with
∆ν = 5 MHz.

ν range [MHz]

Fiducial [5.81 − 45.81] [5.81 − 40.81] [5.81 − 35.81] [5.81 − 30.81]

CPowSpec 4.59 6.57 12.2 32.7

lunar environment to make this task significantly easier than for the terrestrial
environment.

In addition to foreground removal, which can never be perfect, another
method of dealing with foregrounds is to avoid them. Foreground contamina-
tion is expected to be largely restricted to within a wedge-shaped region in the
2D (k⊥, k‖) Fourier space, where these are the components of the wavevector
perpendicular and parallel to the line of sight, respectively. Thus, it may be
easier to achieve an extremely high accuracy of foreground removal outside the
wedge. For a rough estimate of the effect of foreground avoidance, we consider
this foreground wedge with different levels of contamination. We calculate the
wedge boundary using [42–45]

k‖ =

(
rν sin θL

r′νν

)
k⊥ , (A20)

where rν is the comoving distance to the bin center, r′ν = dr
dν at the bin center,

and θL is the angle on the sky with respect to the zenith from which the
foregrounds contaminate the power of the 21-cm signal. At z = 40, we assume
two scenarios. The first assumes θL = 2×FWHM (optimistic). We estimate
that roughly 1/10 of the (k⊥, k‖) space is affected in this case. Assuming an
extremely pessimistic case of θL = π/2, we find that roughly 1/2 of the S/N
can be lost due to foreground contamination. Thus, the effect of foreground
avoidance can be significant but is most likely not too large.

Data availability

The data are available from the corresponding author on reasonable request.

Code availability

CAMB is available at http://camb.info. emcee is available at https://github.
com/dfm/emcee. corner is available at https://github.com/dfm/corner.py.
The analyses are done in Python, extensively using publicly available routines
in NumPy (https://numpy.org) and Matplotlib (https://matplotlib.org). All
other codes used are available upon reasonable request from the corresponding
author.

http://camb.info
https://github.com/dfm/emcee
https://github.com/dfm/emcee
https://github.com/dfm/corner.py
https://numpy.org
https://matplotlib.org
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Abstract

The Chasing All Transients Constellation Hunters (CATCH) space mis-
sion plans to launch three types of micro-satellites (A, B, and C). The
type-B CATCH satellites are dedicated to locating transients and detect-
ing their time-dependent energy spectra. A type-B satellite is equipped
with lightweight Wolter-I X-ray optics and an array of position-sensitive
multi-pixel Silicon Drift Detectors. To optimize the scientific payloads
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for operating properly in orbit and performing the observations with
high sensitivities, this work performs an in-orbit background simulation
of a type-B CATCH satellite using the Geant4 toolkit. It shows that the
persistent background is dominated by the cosmic X-ray diffuse back-
ground and the cosmic-ray protons. The dynamic background is also
estimated considering trapped charged particles in the radiation belts
and low-energy charged particles near the geomagnetic equator, which
is dominated by the incident electrons outside the aperture. The sim-
ulated persistent background within the focal spot is used to estimate
the observation sensitivity, i.e. 4.22 × 10−13 erg cm−2 s−1 with an
exposure of 104 s and a Crab-like source spectrum, which can be uti-
lized further to optimize the shielding design. The simulated in-orbit
background also suggests that the magnetic diverter just underneath the
optics may be unnecessary in this kind of micro-satellites, because the
dynamic background induced by charged particles outside the aperture
is around 3 orders of magnitude larger than that inside the aperture.

Keywords: X-ray telescope, CATCH, background simulation, Geant4

1 Introduction

The Chasing All Transients Constellation Hunters (CATCH) space mission
was proposed in 2019. It aims to simultaneously monitor abundant transients
in the universe and depict a dynamic view of the universe with the multi-
wavelength and multi-observable measurement of X-rays [1]. The mission plans
to form an intelligent X-ray constellation with 126 satellites around 2030.
It enables simultaneously the all-sky monitoring, follow-up observations, and
multi-observable measurement of X-rays with a flexible Field-of-View (FoV).
The constellation includes three types of micro-satellites with each placing its
own particular emphasis on the observation capability. The type-B CATCH
satellites are mainly used for locating the transients, and performing the spec-
tral and timing measurements in the energy band between 0.3 keV and 10 keV
with high sensitivities. A type-B satellite is equipped with a lightweight Wolter-
I focusing mirror and an array of position-sensitive multi-pixel Silicon Drift
Detectors (SDDs) to measure the incident positions, energy, and arrival time
of X-rays.

The in-orbit background simulation is essential in the development of X-ray
telescopes before launch. It can be used to estimate the observation sensitivity
of the instrument, optimize the instrument design, evaluate the onboard stor-
age requirements, and infer the degradation of detector performances due to
the radiation damage. Such studies have been performed in the space missions
of Suzaku [2], Swift [3], eROSITA [4–6], ATHENA [7], LOFT [8], Insight-
HXMT [9–11], and EP [12]. The Geant4 toolkit, developed by CERN, is now
widely used in space science for the in-orbit background simulation [13–15].
It is based on the Monte Carol method and has multiple advantages against
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a deterministic algorithm. It can simulate the passage of particles through
complex geometries and materials with the built-in physics library of the inter-
action between particles and matters. Thus, the Geant4 toolkit is chosen in
this work to simulate the in-orbit background of a type-B CATCH satellite.

In this manuscript, Section 2 introduces the space radiation environment
for the in-orbit background simulation of a type-B CATCH satellite. Section
3 presents the mass modeling of the satellite, including the geometry, physics
processes, and primaries generation. Section 4 shows the simulated results
including the persistent and dynamic in-orbit background, and the sensitivity
based on them. Finally, the summaries and conclusions are given in Section 5.

2 Radiation environment

The Type-B CATCH satellite is in the low-Earth orbit (LEO). Its orbital
altitude and inclination are 550 km and 29° [1], respectively. The radiation
environment of the satellite mainly includes the photon and cosmic-ray back-
ground. The energy spectra of all components in the radiation environment
are calculated with the analytical formulas often used by other LEO satellites
and are plotted in Figure 1. They are used as the input to the background
simulation and are detailed in this section.
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Fig. 1 Energy spectra of all components in the space radiation environment, which serve
as the input to the background simulation of a type-B CATCH satellite in this work
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2.1 Photon background

The photon background includes the cosmic X-ray diffuse background (CXB)
and the atmospheric albedo γ-ray. In the soft X-ray band, the main contri-
bution to the CXB comes from the thermal emission from the hot gas in the
Galaxy. In the hard X-ray band, the CXB originates from many unresolved
X-ray sources outside the Galaxy [16–19]. The atmospheric albedo γ-ray is
the reflection of γ-ray by the atmosphere to the satellite [20], and the γ-ray is
the product of the interaction between primary cosmic-ray particles and the
Earth’s atmosphere.

2.1.1 CXB

A broken power-law spectrum is used to represent the CXB in the energy range
between 0.3 keV and 105 keV as follows [21],

F (E) =

 0.54× 10−3 × E−1.4, E < 20 keV
0.0117× 10−3 × E−2.38, 20 keV ≤ E < 100 keV
0.014× 10−3 × E−2.3, E ≥ 100 keV

, (1)

where F is in units of counts cm−2 s−1 sr−1 keV−1 and E is in units of keV.

2.1.2 Albedo γ-ray

The albedo γ-ray spectrum adopted in this work is as follows [8],

F (E) =
0.0148(

E
33.7 keV

)−5
+
(

E
33.7 keV

)1.72 , (2)

where F is in units of counts cm−2 s−1 sr−1 keV−1 and the considered energy
range is between 10 keV and 105 keV. The albedo γ-ray flux depends on
the relative position between the satellite and the Earth. Assuming a type-
B CATCH satellite points to the zenith, it is only affected by the albedo
γ-ray within a certain opening angle. The opening angle θ is determined by
θ = 2 arcsin (REarth/(REarth + h)), where REarth is the Earth’s radius and h
the satellite’s orbital height.

2.2 Cosmic-ray background

The universe is full of various cosmic rays. Primary cosmic rays are high-
energy particles from the extraterrestrial. Secondary cosmic rays are produced
when primary cosmic rays collide with the atomic nuclei in the Earth’s
atmosphere [20]. Satellites are also affected by energetic charged particles
trapped in the Van Allen radiation belts [22]. The flux enhancements of low-
energy protons and low-energy electrons near the geomagnetic equator were
observed [23, 24].
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2.2.1 Primary cosmic rays

The energy spectra of primary cosmic rays can be described by a unified
formula for protons, electrons, and positrons as follows [25],

F (E) = FU (E + Zeφ)× FM (E,M,Z, φ)× C (R, h, θM)

= A

[
R (E + Zeφ)

GV

]−a
×

(
E +Mc2

)2 − (Mc2
)2

(E + Zeφ+Mc2)
2 − (Mc2)

2 ×
1

1 + (R/Rcut)
−r ,

(3)

where R is the magnetic rigidity, Rcut the cutoff rigidity, and φ the solar mod-
ulation potential [26]. F in Equation 3 is in units of countscm−2 s−1 sr−1keV−1

and E is in units of keV. The parameters for different particles are summarized
in Table 1. The considered energy range is between 105 keV and 109 keV.

Table 1 Summary of the parameters in the energy spectra of primary cosmic rays

Particle
A

(counts cm−2 s−1 sr−1 keV−1)
Mc2

(MeV)
Ze
(e)

a r
φ

(MV)
θM Rcut

p 23.9 × 10−7 923 1 2.83 12 900 0.7 4.32
e 0.65 × 10−7 0.511 1 3.30 6 900 0.7 4.32
e+ 0.08 × 10−7 0.511 1 3.30 6 900 0.7 4.32

2.2.2 Secondary cosmic rays

The energy spectra of secondary cosmic rays can be represented by a broken
power-law as follows [25],

F (E) =


A
(

E
100 MeV

)−1
, 104 keV ≤ E < 105 keV

A
(

E
100 MeV

)−a
, 105 keV ≤ E < Ebk

A
(

Ebk

100 MeV

)−a ( E
Ebk

)−b
, E ≥ Ebk

, (4)

where F is in unit of countscm−2s−1sr−1keV−1 and the parameters are related
to the geomagnetic latitude θM (see Table 2). The considered energy range
for protons is between 104 keV and 108 keV. The considered energy range for
electrons and positrons is between 104 keV and 107 keV.

2.2.3 Trapped protons and electrons

The AP9/AE9 models (V1.5) describe the protons and electrons trapped by
the Earth’s radiation belts [22]. According to the orbit of a type-B CATCH
satellite, the average flux of trapped protons and electrons is obtained from
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Table 2 Summary of the parameters in the energy spectra of secondary cosmic rays

Particle
A

(counts cm−2 s−1 sr−1 keV−1)
Ebk

(GeV)
a b θM

p 0.1 × 10−7 600 0.87 2.53 0.2-0.3
e 0.3 × 10−7 3 2.2 4.0 0-0.3
e+ 0.99 × 10−7 3 2.2 4.0 0-0.3

SPENVIS 1. Linear interpolation and extrapolation are used to obtain the
spectra in the energy range between 10 keV and 2000 keV.

2.2.4 Low-energy charged particles near the geomagnetic
equator

The spectrum of low-energy protons remains almost unchanged near the geo-
magnetic equator within the altitude between 500 km and 1000 km [23]. It can
be described by a kappa function as follows [23],

F (E) = A

(
1 +

E

kE0

)−k−1
, (5)

where F is in units of counts cm−2 s−1 sr−1 keV−1, A = 328, k = 3.2, and
E0 = 22 keV. The considered energy range is between 10 keV and 104 keV.

The energy spectrum of low-energy electrons from 10 keV to 103 keV is a
Maxwell function (L < 1.2) as follows [24],

F (E) = A
E

E0
exp

(
− E

E0

)
, (6)

where F is in units of counts cm−2 s−1 sr−1 keV−1, A = 200, and E0 = 73 keV.

3 Geant4 mass modeling

In this section, the geometry of a type-B CATCH satellite, the corresponding
physics processes of various background components, and primaries generation
are described.

3.1 Geometry

A type-B CATCH satellite as a whole looks like a rectangular box and the focal
plane detector can be deployed 2 meters away from the platform cabin in orbit.
The structure of it mainly includes a platform cabin, an optics system (30
layers of the Wolter-I type focusing mirror, filter films and spider wheel), solar
panels, a deployable mast, and a detector system (a 256-pixel SDD array). To

1https://www.spenvis.oma.be/
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simplify the model and speed up the simulation, the platform cabin is replaced
by Al with an equivalent density of 0.058 g cm−3. The solar panels are fixed
on the platform cabin and unfolded, their material is replaced by Al. The
deployable mast is also replaced by Al with a thickness of 0.01 mm. At the
bottom, an Al plate is used to secure the mast. Figure 2 shows the geometry
of a type-B CATCH satellite built in Geant4. The corresponding dimensions
and parameters are summarized in Table 3.

Fig. 2 Geometry model of a type-B CATCH satellite built in Geant4. The optics system
is placed in the platform cabin, and the SDD array is at the back end of the satellite and
connected to the platform through a deployable mast

Table 3 Summary of the dimensions and parameters of the structures in a type-B
CATCH satellite

Item Dimension Material

Platform Cabin 460 mm×320 mm×440 mm Al (ρ = 0.058 g cm−3)
Solar Panel 800 mm×500 mm×30 mm Al (ρ = 2.699 g cm−3)

Deployable Mast
outline 200 mm×200 mm×1830 mm

effective thickness 0.01 mm
Al (ρ = 2.699 g cm−3)

Plate at the bottom of mast 220 mm×220 mm×15.38 mm Al (ρ = 2.699 g cm−3)

The focusing mirror is composed of the coaxial and confocal paraboloid and
hyperboloid. Since the current version of Geant4 does not provide the class
of two-sheet hyperboloids, this work uses the external class of G4Hyperboloid
developed by Qi et al. [27] and the built-in G4Paraboloid class to describe the
exact parabolic-hyperbolic geometry of the Wolter-I mirror shells. The filter
at the entrance of the aperture comprises polyimide and Al. The spider wheel
is used to fix the mirror shells with 18 spokes. The configurations of the optics
are summarized in Table 4.

A type-B CATCH satellite uses an array of SDDs pixels at the focal plane
(see Figure 3). It contains 4 modules and each module has 64 pixels. Each pixel
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Table 4 Summary of the configurations of Wolter-I optics in a type-B CATCH satellite

Item Parameter

Focal Length 2000 mm
Shell Number 30
Shell-1 Intersection Radius r0 97.50 mm
Shell Thickness r0×0.00177
Layer Gap 0.2 mm
Paraboloid Length 200 mm
Hyperboloid Length 200 mm
Substrate Material Ni
Coating Material Au
Filter 400 nm polyimide and 80 nm Al
Spider Wheel 40 mm Inconel600 (18 spokes)

is hexagonal with a side length of 0.75 mm. The thickness of the depletion
layer is 300 µm and the dead layer is 50 nm. To shield the optical light, an
Al film with a thickness of 100 nm is coated on the surface of the detector.
At the bottom, a ceramic printed circuit board is added to the model with an
equivalent thickness of 1 mm. A preliminary shielding design of the detector
includes 2 mm thick Al and 1 cm thick Cu, as shown in Figure 4.

Fig. 3 Schematic view of one module of the SDD array in a type-B CATCH satellite (left
panel). One pixel of the SDDs (right panel)

3.2 Physics processes

The model provided by Geant4 can not describe many low-energy physical
phenomena. Users have to develop the physics processes within the Geant4
framework to adapt to the application of X-ray telescopes, i.e. the total internal
reflection of X-rays on the mirror surface and the funneling effect of low-energy



Springer Nature 2021 LATEX template

In-orbit background simulation of a type-B CATCH satellite 9

Fig. 4 Preliminary shielding design of the focal plane detector of a type-B CATCH satellite

charged particles through the Wolter-I type optics. Additionally, the interac-
tion between particles and matters in the focal plane detector and surrounding
materials uses the built-in physics processes of Geant4, i.e. mainly the standard
and low-energy electromagnetic interactions, and hadron elastic and inelastic
scattering.

3.2.1 Mirror

An external physics process, G4XrayGrazingAngleScattering [27], is imple-
mented within the Geant4 simulation framework to represent the total internal
reflection of X-rays on the mirror surface. It is invoked when an X-ray is
incident on the surface of the pre-defined Wolter-I mirror shells. The reflec-
tivity determines whether an X-ray is reflected or absorbed (the data are
taken from 2). It is interpolated according to the energy and grazing-incidence
angle of X-rays (see Figure 5). Since the actual mirror shape is imperfect, an
X-ray photon does not follow specular reflection. In this work, the random
surface theory is used to reproduce the imperfection of the mirror shape [28],
i.e. a Gaussian function to generate a random deviation to the normal direc-
tion at the incident position and thus the direction of the reflected X-rays.
The standard deviation of the Gaussian function can be adjusted to obtain
the required imaging capabilities as the scientific requirement. Figure 6 shows
the on-axis point spread function (PSF) and corresponding encircled energy
function (EEF). The Half Power Dimameter (HPD) and 90% encircled energy
(W90) can be extracted from the EEF, i.e. HPD = 2.0′ and W90 = 5.6′.

2https://www.cxro.lbl.gov/
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The multiple scattering process (MSC) with a limited step-size is
used to reproduce the funneling effect of low-energy charged particles
through the Wolter-I type optics, i.e. G4WentzelVIModel for protons and
G4GoudsmithSaundersonMscModel for electrons. It is shown that low-energy
charged particles can leave the surface near the incident position of the Wolter-
I mirrors [27]. The MSC model calculates multiple small-angle scatterings as
one large-angle scattering. Thus, a step-size limitation is required in this case
(i.e. grazing incidence) to reproduce the funneling effect. It can be seen in
Figure 7 that the distribution of low-energy protons is slightly concentrated
in the center while the distribution of low-energy electrons is relatively flat in
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the case of the focusing mirror of a type-B CATCH satellite. The correspond-
ing on-axis effective area of the low-energy charged particles is plotted in the
lower panel of Figure 7.
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panel) on the focal plane. Simulated on-axis effective area of low-energy protons and electrons
through the focusing mirror of a type-B CATCH satellite, respectively (lower panel)

3.2.2 Detector

The depletion layer of the SDDs is defined as the sensitive region to the passage
of particles. The class of SensitiveDetector is used to simulate the detector
readout, including the energy deposited, position, and time information. The
experimental energy resolution is used to re-sample the energy deposited as
follows,

FWHM = a

√
b+

cE

a
, (7)

where a = 38.71, b = 1.54, c = 73.06, and FWHM is in units of eV and E is in
units of keV. The left panel of Figure 8 shows the simulated energy spectrum
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of 55Fe. Typical structures are well reproduced, including the full-energy peak,
escape peak, Compton platform and fluorescence peak. The right panel of
Figure 8 shows the simulated total detection efficiency, which is consistent with
the reference calculated using the analytical formula e−µAldAle−µSiO2

dSiO2 (1−
e−µSidSi) with the attenuation coefficient from NIST 3.
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Fig. 8 Simulated energy spectrum of the radioactive source 55Fe (left panel). Simulated
total detection efficiency as a function of the energy in comparison with the reference (right
panel)

3.3 Primaries generation

The primaries need to be initialized for the background simulation, including
the definition of the type, energy, momentum direction, and position. The types
of primaries and the corresponding energy spectra in the radiation environment
are described in Section 2. The energy can then be randomly sampled according
to their spectra. In this section, the sampling of the momentum direction and
position is presented. In a conventional background simulation, the satellite is
assumed to be in an isotropic radiation environment. Considering the specific
geometrical configuration of a type-B CATCH satellite, the background is
simulated with the incident primaries both outside and inside the FoV of the
telescope, respectively. It corresponds to two different strategies of the random
sampling of the momentum direction and position.

3.3.1 Isotropic incidence outside the FoV

A point is uniformly sampled on the surface of a sphere (with radius R). The
negative position vector of this point is the momentum direction of primaries.
The incident position of primaries is uniformly sampled within the tangent
circle centering at this point (with radius r). The radius r is chosen to cover

3http://physics.nist.gov/PhysRefData/FFast/html/form.html
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the outline of the focal plane detector and its surrounding materials [12] (see
left panel of Figure 9).

Another strategy is to uniformly sample a point on the surface of the
sphere (with radius R). It represents the incident position of primaries. The
momentum direction of primaries is biased with the cosine law. To increase
the efficiency of the simulation, the emission angle θ is restricted by a maxi-
mum value θmax[8]. This value is determined by the size of the two spheres as
follows [8],

θmax = arctan
( r
R

)
, (8)

where the smaller sphere (with radius r) covers the outline of the focal plane
detector and its surrounding materials (see right panel of Figure 9). The two
methods for sampling the momentum direction and position of incident pri-
maries are tested. They produce the same background level with a proper
choice of parameters.

Fig. 9 Schematic view of the position and momentum direction sampling of primaries with
isotropic incidence outside the FoV

3.3.2 Isotropic incidence inside the FoV

The X-rays and low-energy charged particles can reach the focal plane detec-
tors through the Wolter-I focusing mirror [27], which contributes to parts of
the in-orbit background. The sampling methods discussed in Section 3.3.1 are
not efficient for the simulation of this part of the background, because the FoV
of the mirror is relatively small. Thus, primaries are uniformly sampled on
the aperture of the telescope (circular ring shape) with the incident direction
following a cosine law [29] (see Figure 10).

It should be noted that the FoV discussed here is slightly different from
its conventional use in astronomy. In this work, the FoV is defined as the
maximum angular area, outside which the primaries rarely contribute to the
in-orbit background through the Wolter-I focusing mirror. The FoV is different
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for each type of primaries, i.e. θmax = 90′ for X-rays, θmax = 11° for protons,
and θmax = 15° for electrons [30].

Fig. 10 Schematic view of the position and momentum direction sampling of primaries
with isotropic incidence inside the FoV

4 Results and discussions

The energy spectra described in Section 2 are used to sample the energy of
primaries for the in-orbit background simulation of a type-B CATCH satel-
lite. The momentum direction and incident position of primaries are sampled
isotropically (Section 3.3). The primaries interact with matters in a type-B
CATCH satellite according to the mass modeling (Section 3.1). The underlying
interactions are described by the built-in physics libraries of Geant4 and the
user-defined physics processes for the focusing X-ray telescopes (Section 3.2).
The energy deposited in a SDD as well as the information of the primary of
the same event are recorded for further data analysis using ROOT. For exam-
ple, the energy spectra of the SDDs induced by primaries outside and inside
the FoV can be selected using the information of the primary incident posi-
tion and momentum direction. As for the albedo γ-ray, the energy spectra of
the SDDs are extracted using primaries within a certain solid angle due to the
Earth’s occlusion (assuming the satellite pointing to the zenith). The energy
spectra of SDDs are then normalized with the time constant t,

t =
N

F · S · Ω
, (9)

where F is the integral spectrum of incident particles, S is the area of incident
position, Ω is the solid angle of incident momentum direction. The normalized
in-orbit background can be classified into two categories according to the FoV,
i.e. the background induced by primaries inside and outside the FoV of the
aperture, respectively.

The persistent in-orbit background is calculated considering the CXB,
atmospheric albedo γ-ray, primary and secondary cosmic-ray particles in the
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space radiation environment. The normalized energy spectrum of the entire
SDDs (4 modules, 256 pixels) induced by each component of the space radi-
ation environment is plotted in Figure 11. To clarify the origin, the energy
spectra induced by primaries outside and inside the aperture are plotted in
the upper and lower panels, respectively. In the upper panel, the energy spec-
tra induced by protons, positrons, electrons, and albedo γ-ray have similar
shapes, which contain a platform and a few fluorescence peaks. The fluores-
cence peaks stem from the shielding materials of Al and Cu (K-shell lines at
1.49 keV, 1.55 keV, 8.05 keV, 8.90 keV). The energy spectrum induced by
CXB has a different shape with a bump above 4 keV; the possible causes are
still under investigation. In the lower panel, the dominant component is CXB
which can go through the focusing telescope and deposit energy in the SDDs
(0.3–10 keV). Its shape is different from the one in the upper panel. It is mainly
due to the instrumental response of the Wolter-I focusing mirror, e.g. the kink
around 2 keV is consistent with the one in the effective area curve (see the
right panel of Figure 5). The primary and secondary cosmic-ray particles can
rarely penetrate through the Wolter-I focusing mirror and despite energy in
the SDDs (0.3–10 keV), and the background level is four orders of magnitude
lower than that in the upper panel. The integrated backgrounds in different
energy bands are summarized in Table 5.

Table 5 Summary of the persistent in-orbit backgrounds of the entire SDD array,
integrated in different energy ranges

Outside the aperture Inside the aperture

Particle 0.3-2 keV 2-10 keV 0.3-10 keV 0.3-2 keV 2-10 keV 0.3-10 keV

CXB 2.16 × 10−2 1.94 × 10−1 2.16 × 10−1 8.97 × 10−2 4.19 × 10−2 1.31 × 10−1

p 4.37 × 10−2 1.51 × 10−1 1.93 × 10−1 9.80 × 10−6 4.72 × 10−5 5.67 × 10−5

e− 4.68 × 10−3 1.74 × 10−2 2.19 × 10−2 2.31 × 10−6 8.40 × 10−6 1.06 × 10−5

e+ 1.11 × 10−2 4.14 × 10−2 5.20 × 10−2 – – –
Albedo γ-ray 7.48 × 10−4 3.12 × 10−3 3.86 × 10−3 – – –
Total 8.18 × 10−2 4.07 × 10−1 4.86 × 10−1 8.97 × 10−2 4.20 × 10−2 1.31 × 10−1

Note: The unit above is counts s−1, Sdetector = 3.74 cm2

The actual in-orbit background varies with time (i.e. position) and atti-
tude rather than quiescence. For example, the flux of primary cosmic-ray
particles changes periodically depending on the solar activity [26]. The flux
of charged particles increases in the South Atlantic Anomaly (SAA) region.
The enhancement of low-energy charged particles is observed near the geomag-
netic equator. For simplicity, the dynamic in-orbit background is calculated
in this work considering the trapped charged particles by the Earth’s radi-
ation belts and low-energy charged particles near the geomagnetic equator.
Figure 12 shows the normalized energy spectra of the entire SDDs induced by
the dynamic components. To clarify the origin, the energy spectra induced by
primaries outside and inside the aperture are plotted in the upper and lower
panels, respectively. In the upper panel, the dominant components are elec-
trons with the background level five orders of magnitude higher than that of
protons. The fluorescence peaks from Al (Kα line at 1.49 keV and Kβ line at
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Fig. 11 Persistent in-orbit background induced by primaries outside the aperture (upper
panel), and inside the aperture (lower panel)

1.55 keV) can be observed, while the fluorescence peaks from Cu (Kα line at
8.05 keV and Kβ line at 8.90 keV) is not observed. In the lower panel, the nor-
malized energy spectra of electrons and protons are nearly flat. The funneling
effect of low-energy charged particles (including charged particles in the radi-
ation belts and near the geomagnetic equator) through the Wolter-I optics is
much stronger than that of cosmic-ray particles. This is mainly because the
considered energy range is much lower than those of cosmic-ray particles and
the corresponding flux intensity is much higher. The integrated backgrounds
in different energy bands are summarized in Table 6.

The simulated in-orbit background of a type-B CATCH satellite can be
used to estimate the observation sensitivity of the instrument, optimize the
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Fig. 12 Dynamic in-orbit background induced by primaries outside the aperture (upper
panel), and inside the aperture (lower panel)

instrument design, evaluate the onboard storage requirements, and infer the
degradation of detector performances due to the radiation damage. As an
example, the sensitivity of a type-B CATCH satellite is calculated using the
simulated persistent in-orbit background. Considering the limited imaging
capability of the optics of a type-B CATCH satellite, the focal spot of the tar-
get source (assuming point source) only covers a few pixels (≈ 7 pixels with
respect to W90 = 5.6′). The in-orbit background within the focal spot is less
than that of the entire SDDs (see Table 7). The observation sensitivity of a
type-B CATCH satellite in the ideal case can be obtained from the following
formula [31],

M̂ = a+ b
√
B, (10)
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Table 6 Summary of the dynamic in-orbit backgrounds of the entire SDD array,
integrated in different energy ranges

Outside the aperture Inside the aperture

Particle type 0.3-2 keV 2-10 keV 0.3-10 keV 0.3-2 keV 2-10 keV 0.3-10 keV

Low-energy p – – – 1.59 × 10−3 2.91 × 10−2 3.05 × 10−2

Low-energy e− 2.78 × 101 8.76 × 101 1.14 × 102 3.70 × 10−2 1.69 × 10−1 2.04 × 10−1

Trapped p 4.10 × 10−3 1.06 × 10−3 5.16 × 10−3 3.25 × 10−5 5.11 × 10−5 8.33 × 10−5

Trapped e− 2.53 × 101 7.96 × 101 1.04 × 102 3.70 × 10−2 1.58 × 10−1 1.94 × 10−1

Total 5.31 × 101 1.67 × 102 2.18 × 102 7.56 × 10−2 3.56 × 10−1 4.28 × 10−1

Note: The unit above is counts s−1, Sdetector = 3.74 cm2

where a = 11.090, b = 7.415 when considered 99% detection efficiency above
5σ, M̂ and B is in units of counts. With an exposure time of 104 and 105

seconds for a Crab-like source spectrum (the model is phabs*powerlaw in
XSPEC [12]), a type-B CATCH satellite is able to achieve a sensitivity of
4.22×10−13 ergcm−2s−1 and 1.24×10−13 ergcm−2s−1 in the energy band 0.3–
10 keV, respectively. The observation sensitivity as a function of the exposure
time is plotted in Figure 13.

To improve the observation sensitivity, the persistent in-orbit background
can be decreased with an optimized shielding design. A type-B CATCH satel-
lite has specific geometrical configurations, i.e. the focal plane detector is
deployed 2 meters away from the platform cabin without massive materials sur-
rounding it. As a consequence, the major contribution of the persistent in-orbit
background comes from the CXB and the cosmic-ray protons (primary and
secondary). To decrease corresponding background levels, the configurations
of the Al and Cu layers around the focal plane detector can be re-designed. For
example, the height and thickness of the Al layer can be increased appropri-
ately to shield particles outside the aperture, an Al slab can be added to the
back of the detector to suppress the fluorescence from Cu. A detailed study to
improve the shield design and decrease the background will be performed in the
future. Additionally, a magnetic diverter is usually equipped in Wolter-I type
focusing telescopes to decrease the background of low-energy charged particles
through the aperture, e.g. SIMBOL-X [32], ATHENA [33], and EP [34]. In
terms of the persistent background of a type-B CATCH satellite, the charged
particles through the aperture have a negligible contribution. In terms of the
dynamic background of a type-B CATCH satellite, the contribution of the
charged particles through the aperture is three orders of magnitude lower
than that outside the aperture. This suggests that the magnetic diverter just
underneath the optics may be unnecessary in this kind of micro-satellites.

5 Summaries and conclusions

CATCH is an intelligent X-ray satellite constellation mission designed to study
the dynamic universe. The constellation includes three types of micro-satellites
(A, B, and C). The type-B CATCH satellites are mainly used for locating
the transients, and performing the spectral and timing measurements in the
energy band between 0.3 keV and 10 keV with high sensitivities. To achieve
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Table 7 Persistent in-orbit background within the focal spot (7 pixels in the SDD array),
integrated in the energy band 0.3–10 keV

Particle type Outside the aperture Inside the aperture Total

CXB 3.86 × 10−3 5.05 × 10−3 8.91 × 10−3

p 5.50 × 10−3 1.01 × 10−6 5.50 × 10−3

e− 6.06 × 10−4 2.29 × 10−7 6.06 × 10−4

e+ 1.42 × 10−3 – 1.42 × 10−3

Albedo γ-ray 1.12 × 10−4 – 1.12 × 10−4

Total 1.15 × 10−2 5.05 × 10−3 1.65 × 10−2

Note: The unit above is counts s−1, and the number of the pixels is chosen according to the
W90 of the optics
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Fig. 13 Sensitivity of a type-B CATCH satellite as a function of the exposure time in the
ideal case

its scientific goals, a type-B satellite is equipped with a lightweight Wolter-
I focusing mirror and an array of position-sensitive multi-pixel SDDs. Such
a micro-satellite has a specific geometrical configuration, i.e. the focal plane
detector is deployed 2 meters away from the platform cabin without massive
materials surrounding it.

In this work, the in-orbit background simulation is performed for a type-
B CATCH satellite using the Geant4 toolkit. The geometry model is built
including the platform, Wolter-I optics, SDD array and detector shielding.
The physics model is established and verified to adapt to the application of
X-ray telescopes, namely the total internal reflection of X-rays on the mir-
ror surface and the funneling effect of low-energy charged particles through
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the optics. The energy, momentum direction, and position of each type of pri-
maries are sampled according to their own characteristics in the space radiation
environment. The simulation shows that the persistent in-orbit background is
dominated by the CXB and the cosmic-ray protons, 5.40 × 10−1 counts s−1

out of 6.17 × 10−1 counts s−1. The dynamic in-orbit background is esti-
mated taking into account the trapped charged particles in the radiation belts
and low-energy charged particles near the geomagnetic equator. It is domi-
nated by the electrons outside the aperture, 2.180 × 102 counts s−1 out of
2.184× 102 counts s−1.

The simulated in-orbit background of a type-B CATCH satellite can be
used to estimate the observation sensitivity of the instrument, optimize the
instrument design, evaluate the onboard storage requirements, and infer the
degradation of detector performances due to the radiation damage. As an
example, the observation sensitivity within the focal spot is estimated using
the simulated persistent in-orbit background, which is 4.22×10−13 ergcm−2s−1

with an exposure time of 104 s and a Crab-like source spectrum. To achieve
a better observation sensitivity, the shielding design can be optimized, e.g.
increasing the height and thickness of the Al layer and adding an Al slab at the
bottom of the detector. Additionally, it is suggested that the magnetic diverter
just underneath the optics may be unnecessary in this kind of micro-satellites,
because the dynamic background induced by low-charged particles outside the
aperture is around 3 orders of magnitude larger than that inside the aperture.
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ABSTRACT
We compute the structure of a Newtonian, multi-ion radiation-mediated shock for different compositions anticipated in various
stellar explosions, including supernovae, gamma-ray bursts, and binary neutron star mergers, using a multi-fluid RMS model that
incorporates a self-consistent treatment of electrostatic coupling between the different plasma constituents. We find a significant
velocity separation between ions having different charge-to-mass ratios in the immediate shock downstream and demonstrate
that in fast enough shocks ion-ion collisions can trigger fusion and fission events at a relatively large rate. Our analysis does not
take into account potential kinetic effects, specifically, anomalous coupling through plasma microturbulence, that can signifi-
cantly reduce the velocity spread downstream, below the activation energy for nuclear reactions. A rough estimate of the scale
separation in RMS suggests that for shocks propagating in BNS merger ejecta, the anomalous coupling length may exceed the
radiation length, allowing a considerable composition change behind the shock via inelastic collisions of α particles with heavy
elements at shock velocities βu & 0.2. Moreover, a sufficient abundance of free neutrons upstream of the shock can also trigger
fission through neutron capture reactions downstream. The resultant change in the composition profile may affect the properties
of the early kilonova emission. The implications for other exploding systems are also briefly discussed.

Key words: Transients – Shock Waves – Plasmas – Nucleosynthesis

1 INTRODUCTION

Radiation mediated shocks (RMS) are an inherent feature of essen-
tially all (strong) stellar explosions (e.g., various types of super-
novae, low luminosity GRBs, regular GRBs and binary neutron star
mergers). They dictate the properties of the early electromagnetic
emission released in the explosion during the breakout of the shock
from the opaque envelope enshrouding the source, the detection of
which is a primary focus of current and upcoming transient surveys
(for recent reviews see Waxman & Katz 2017; Levinson & Nakar
2020). The RMS structure and dynamics depend on the progenitor
type, the explosion energy and the explosion geometry. In particu-
lar, the shock velocity at breakout can range from sub-relativistic to
mildly relativistic, and in extreme cases even ultra-relativistic.

The gamma-ray flash GRB 170817A that accompanied the grav-
itational wave signal GW 170817 (for reviews see Nakar 2020;
Margutti & Chornock 2021) is a plausible example of a shock break-
out signal (e.g., Kasliwal et al. 2017; Gottlieb et al. 2018b; Be-
loborodov et al. 2020); the RMS in this source was most likely
driven by the interaction of the relativistic jet expelled by the com-
pact remnant and the merger ejecta (Nakar et al. 2018), but a shock
with a much wider opening angle is also a viable possibility (Be-
loborodov et al. 2020). While the origin of GRB 170817A is still de-
batable, the presence of a relativistic jet in this system has been con-
firmed by VLBI observations (Mooley et al. 2018). Consequently,

? E-mail: saflulalon@gmail.com

if this system represents a prototypical BNs merger evolution, the
conclusion that a fast shock must cross through at least part of the
ejecta at early times seems unavoidable. In what follows we demon-
strate that the propagation of the RMS through the merger ejecta can
significantly alter the composition profile of r-process material be-
hind the shock and, potentially, the kilonova emission if the change
in composition affects the opacity and/or the radioactive energy de-
position in the ejecta.

A key issue in RMS theory is how the different plasma con-
stituents are coupled. Since the radiation force acts solely on elec-
trons and positrons, it must be mediated to the ions by some other
means. In a sub-relativistic, single-ion RMS this is accomplished
through the generation of an electrostatic field, owing to a tiny
charge separation of electrons and ions. However, electrostatic cou-
pling fails in relativistic RMS (RRMS), in which e± pairs are over-
abundant (Levinson 2020; Vanthieghem et al. 2022), and in RMS
composed of multi-ion species with different charge-to-mass ratios
(Derishev 2018). It has been shown recently (Vanthieghem et al.
2022) that in an unmagnetized single-ion RRMS, the dominant cou-
pling mechanism is plasma microturbulence, generated by a current
filamentation instability driven by the relative drift between the ions
and the pairs. The presence of a strong enough (transverse) magnetic
field in the upstream flow can give rise to magnetic coupling of pairs
and ions which completely suppresses the instability (Mahlmann
et al. 2023).

The situation can be vastly different in multi-ion RMS. First, the
deceleration rate of ions inside the shock depends on the charge-to-
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2 Granot et al.

mass ratio, and since the charge conservation condition in a multi-
ion plasma is degenerate a large velocity separation between the
different ions in the post-deceleration zone is, in principle, allowed
(even in sub-relativistic RMS). Second, since the gyroradius of an
ion of mass Amp is larger by a factor Amp/Zme than that of an elec-
tron (or positron), much stronger magnetic fields may be needed to
couple all ions. Such strong fields may not be present in most rele-
vant systems. Third, the coupling of different ions by plasma micro-
turbulence would require generation of wave modes different than in
a single-ion RRMS.

In this paper, we construct a semi-analytic, multi-ion RMS model
and use it to compute the structure of a shock propagating in the ex-
panding ejecta of a BNS merger. We find a significant velocity sep-
aration of different r-process isotopes just downstream of the shock
transition layer, and show that collisions of the different ion beams
can induce nuclear transmutations in regions where the shock ve-
locity exceeds the corresponding activation barriers, provided that
anomalous friction is not too effective. For an isotope of mass num-
ber A and velocity separation ∆β , the center-of-mass collision en-
ergy is approximately ECOM ≈Ampc2∆β 2/2∼ 1(A/100)(∆β/0.1)2

GeV (see Eq. 12). The Coulomb barrier of colliding nuclei with
mass numbers A1,A2 and atomic numbers Z1,Z2 is approximately
Eb ≈ 0.92Z1Z2/(A

1/3
1 +A1/3

2 ) MeV. For the r-process elements con-
tained in the ejecta (A∼ 100) it lies in the range 100−300 MeV, and
is considerably lower for collision of α particles with the heavy nu-
clei. Thus, even a separation of ∆β ≈ 0.03 is likely sufficient to in-
duce nuclear transmutations. Moreover, the presence of sufficiently
abundant free neutrons in the shock upstream should lead to fission
through the capture of free neutrons, which are not decelerated by
the shock, by neutron-rich isotopes downstream of the shock. The
activation energy for neutron-induced fission ranges from practically
zero for 235U to a peak of about 40 MeV for elements of mass num-
ber A≈ 100. Consequently, a considerable impact on the abundance
evolution of r-process elements, by neutron capture and/or inelas-
tic collisions of heavy nuclei, is anticipated prior to the kilonova
emission in regions where the shock velocity & 0.1c. These gross
estimates are supported by detailed calculations presented below.

The plan of the paper is as follows: In Sec. 2 we introduce the
Multi-ion RMS model. In Sec. 3 we provide analytic estimates of
ion-ion collision energies and collision frequencies. In Sec. 4 we
present numerical solutions of the shock equations for different com-
positions of the upstream plasma. In Sec. 5 we modify the model to
include a simplified interionic friction force. In Sec. 6 we discuss
the applications to BNS mergers. A detailed derivation of the shock
equations can be found in the appendix.

2 THE MULTI-ION SHOCK MODEL

We construct a semi-analytic model for a Newtonian RMS that prop-
agates in a neutral plasma consisting of electrons and a collection
of ions having different charge-to-mass ratios. For simplicity, the
shock is assumed to be infinite, planar and in a steady state. Adopt-
ing the approach of Blandford & Payne (1981a); Blandford & Payne
(1981b), we employ the diffusion approximation to compute the
transfer of radiation through the shock. A comparison of analytic so-
lutions with full Monte-Carlo simulations (Ito et al. 2020) indicates
that the diffusion approximation is quite accurate even at shock ve-
locities βu . 0.3 or so, justifying this treatment. In contrast to the
single-fluid approach invoked in all previous Newtonian RMS mod-
els, in which all plasma constituents are assumed to be tightly cou-
pled, here we self-consistently compute the electrostatic coupling

between the electrons and ions, imposed by the charge separation
induced by the relative drift between the different multi-fluid com-
ponents. This is accomplished by solving the energy and momentum
equations of the radiation and the multi-fluid plasma, together with
Maxwell’s equations, taking into account the electrostatic force act-
ing on the charged fluids. Our treatment is similar to that adopted in
Levinson (2020) for the single-ion relativistic RMS, but with mod-
ifications necessary for the inclusion of multi-ion species, and with
the beaming approximation for the radiative transfer replaced by the
diffusion approximation.

To simplify the analysis, we neglect pair creation and nuclear
transmutations, although as shown below fission and fusion might
be important in the immediate downstream of a fast shock. We em-
phasize that our main goal here is not to present detailed calculations
of the composition profile behind the shock, but merely to demon-
strate that a substantial change in composition is likely to occur. The
neglect of pair production is justified for most exploding systems,
but not for the extreme densities anticipated in BNS merger ejecta
(see Sec. 6 for a detailed discussion). We tend to believe that inclu-
sion of pair creation, while considerably complicating the solutions,
will not alter significantly the essence of the results obtained with
the simplified model constructed below. We intend to incorporate
pair production into our model in a future publication.

Our analysis also ignores potential generation of plasma waves
by ion beam instabilities. The resultant plasma microturbulence can
provide additional coupling mechanism on microscopic scales, that
might alter the ion velocity distribution in the immediate down-
stream. To gain some insight into the effect of such anomalous cou-
pling, we incorporate, in Sec. 5, a phenomenological interionic fric-
tion model into the shock equations. In Sec. 6 we estimate the ratio
between the radiation and kinetic scales, and discuss the implica-
tions for the anomalous coupling length. Based on this estimate,
we speculate that for RMS in BNS mergers, anomalous coupling
may not alter significantly the results obtained in Sec. 4.3 in the ab-
sence of anomalous friction. For other exploding systems the effect
of plasma instabilities is unclear.

2.1 Governing equations

We solve the shock equations in the rest frame of the shock, in which
the flow is steady. We choose a coordinate system such that the up-
stream flow moves in the positive x̂ direction. All fluid quantities are
henceforth measured in the shock frame, unless otherwise stated.
Let ne denotes the electron density and βe its velocity (in units of
c), and nα , βα , Zα , Aα the density, velocity, atomic number and
mass number, respectively, of ion species α (here, α = He, Au,
etc.). The charge-to-mass ratio of the α ion is then Zα/Aα . Since
our analysis ignores pair production and nuclear transmutation (al-
though, as explained below, they might be important downstream),
all particle fluxes must be conserved across the shock. In particular,
je ≡ neβe = ne,uβu and jα ≡ nα βα = nα,uβu, here subscript u labels
fluid quantities far upstream of the shock. For the upstream condi-
tions anticipated (at early times) in BNS merger ejecta all ions are
likely to be fully ionized. Hence, Zα is a constant for all α . Charge
neutrality of the upstream plasma implies ∑α Zα nα,u − ne,u = 0,
from which one obtains the relation

∑
α

Zα jα − je = 0, (1)

that holds everywhere.
The radiation force inside the shock acts solely on the electrons.

This leads to a relative drift between the electrons and the dif-
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ferent ion species which, in turn, induces charge separation, ρe =
e(∑α Zα nα −ne) 6= 0, and the consequent generation of an electro-
static field, EEE = E(x)x̂. The change of this electric field across the
shock is governed by Gauss’ law:

∇ ·EEE =
dE
dx

= 4πρe. (2)

The last equation can be rendered dimensionless by transforming
to the coordinate dτ = σT nedx, here σT is the Thomson cross-
section, and normalizing the electric field E by the fiducial field
E0 = mec2 jeσT /e, viz., Ẽ = E/E0 = eE/mec2 jeσT . This yields

dẼ
dτ

= χ

(
∑
α

Zα jα βe

jeβα

−1
)
, (3)

with

χ =
4πe

σT E0
≈ 1012

( ne,u

1025 cm−3

)−1
β
−1
u . (4)

The density is normalized here to the fidcucial density anticipated in
BNS merger ejeca about a second after the merger (Eq. 19). In SNe
and GRBs the anticipated density is much smaller, ne,u . 1015 cm−3.

The energy and momentum equations of the multi-fluid system
are derived in appendix A under the assumption that the electron
and ion fluids are cold. This simplifying assumption is justified by
virtue of the fact that the pressure inside the shock is completely
dominated by the diffusing radiation. In the dimensionless form, the
reduced set of equations read:

d
dτ

(βe +πγ ) = -Ẽ, (5)

d
dτ

βα = µ
Zα βe

Aα βα

Ẽ, (6)

d
dτ

πγ =
1
βe

d
dτ

(4πγ βe−
d

dτ
πγ ), (7)

where πγ is the normalized radiation pressure, πγ = pγ/mec2 je, and
µ = me/mp is the electron-to-proton mass ratio. Equations (3)-(7)
form a closed set that can be solved once the values of βu, je, jα and
Zα/Aα are specified. The far upstream value of the electric field is
Ẽ(x→−∞) = 0.

2.2 Numerical integration

Solutions for the multi-fluid RMS structure are obtained in section 4
by numerically solving Eqs. (3)-(7), assuming a cold, neutral plasma
in the far upstream. We note that the shock equations, Eqs. (3)-(7),
are invariant under translations, hence, the location of the origin can
be chosen arbitrarily. For convenience, we start the integration in
all runs at τ = 0, with βe,u = βα,u = βu, πγ,u = 0.001, Ẽ = 0, and
T̃ 0x

γ,u = 0 as initial values (at τ = 0), where T̃ 0x is the radiation energy
flux, defined in Eq. A2. With this choice the radiation force at τ = 0
is given by

dπγ,u

dτ
= 4πγ,uβu = 0.004βu. (8)

We verified that as long as πγ,u is small enough, the solution con-
verges, except for a shift in the location of the shock which, as ex-
plained above, is arbitrary.

Since only the ratio jα/ je = nα,u/ne,u appears in the above equa-
tions, we find it convenient to normalize the upstream densities to
the electron density ne,u, and define j̃α = jα/ je. To save computing
time, we use χ = 106 instead the more realistic value given in Eq.
(4). We checked that the solution is highly insensitive to the value of
χ , provided it is not too small (> 103 roughly).

3 ESTIMATION OF ION-ION COLLISION ENERGY AND
COLLISION FREQUENCY

A qualitative description of the multi-flow dynamics inside the shock
is as follows: At the outset of the shock transition layer, the incom-
ing electron fluid is being decelerated, and thus compressed, by the
radiation force (the gradient of the radiation pressure in the diffusion
limit). This creates charge separation which, in turn, induces an elec-
trostatic field inside the shock. This electric field tends to decelerate
the ions and accelerate the electrons, thereby providing coupling of
the various plasma components. Charge neutrality is regained once
the radiation pressure saturates (and the radiation force vanishes),
completely suppressing the electric field. In the absence of any other
coupling mechanism (e.g., plasma turbulence, see section 5 for fur-
ther discussion), relative drifts between ions with different charge-
to-mass ratio ensue in the post-deceleration zone (immediate down-
stream), depending on the value of Zα/Aα . The slowest ion in the
immediate downstream, which we henceforth term ’agile’, is the one
with the largest Z/A ratio among all ions present in the upstream
flow.

While the full shock structure can only be found upon numerical
integration of Eqs. (3)-(7), an expression for the immediate down-
stream velocity of each ion in terms of the electric potential across
the shock can be obtained analytically by integrating Eq. (6) alone.
This enables reasonably accurate estimates of the relative drift be-
tween the ions and the consequent collision energies. In what fol-
lows, we provide estimates of the relative drifts, collision energies
and collision frequencies of ions in the immediate downstream.

3.1 Ion velocity separation

Since ions do not experience the radiation force in our model, the
change in their energy across the shock must equal the work done
by the electrostatic field. When normalized to the upstream baryon
energy, mpc2β 2

u /2, the latter reads:

wE ≡
∫

∞

−∞

2E · e
mpc2β 2

u
dx. (9)

Integrating Eq. (6), an expression for the downstream terminal
velocity of ion species α is obtained in terms of wE :

βα,d = βu

√
1+wE

Zα

Aα

. (10)

The velocity difference between ion species α and α ′ now reads:

∆βα,α ′ = βu

[√
1+wE

Zα

Aα

−
√

1+wE
Zα ′

Aα ′

]
. (11)

This relation is exact, but the value of wE is unknown. To esti-
mate wE we note that for the agile ion β 2

agile,d << β 2
u . Adopting

βagile,d = 0 in Eq. (10) gives wE ≈−
Aagile
Zagile

. Substituting the latter ex-
pression into Eq. (11), we can evaluate ∆βα,α ′ for all ions once the
ratio Aagile/Zagile is specified.

As an example, consider a mixture of hydrogen and helium only.
The agile ion here is H, for which AH/ZH = 1 and wE ≈−AH/ZH =
−1, giving ∆βHe,H ≈ 0.17

(
βu/0.3

)
, for a shock velocity of βu = 0.3.

This result is in excellent agreement with the numerical solution de-
rived in section 4 (see Fig. 1), for which ∆βHe,H ≈ 0.173. In the
case of heavy r-process composition (section 4.3), we find wE ≈
−AHe/ZHe ≈−2 for the agile ion He. This yields, for example, ve-

locity separation of ∆βZr,He ≈ 0.0998
(
βu/0.3

)[√
1−
(wE

2
)
( ZZr

AZr
)

]
MNRAS 000, 1–10 (0000)
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between Zr (with AZr = 91) and He, again in good agreement with
the numerical solution (∆βZr,He ≈ 0.104) presented in Fig. 4. We
find good agreements in all other cases tested and conclude that Eq.
(11) can be safely used to calculate relative drifts between ions.

The above derivation suggests that the downstream conditions are
highly insensitive to the upstream density of the agile ion. As will be
shown in Sec. 4, this may be of utmost importance for astrophysical
applications. To see this, note first that Eq. (10) yields the exact result
wE =−(Aagile/Zagile)[1−(βagile,d/βu)

2], which depends on βagile,d
to second order. From Eq. (10) we also deduce that the downstream
velocity of the non-agile ions, for which βα,d� βagile,d , depends on
βagile,d to the same order, and since the flux jα is conserved across
the shock, the downstream density, nα,d = jα/βα,d , also depends
on βagile,d to second order. From Eqs. (5) and (7) we find, upon
neglecting the electron contribution to the energy budget:

mpc2
β

2
u wE = 8e

∫
∞

−∞

E(x)
βe,d

βe(x)
dx.

Since to order O(βagile,d/βu)
2 the left hand side of this equation

is constant, it implies that βe(x) and, hence, βe,d and ne,d , must be
preserved to the same order. The charge neutrality condition down-
stream, Zagilenagile,d = ne,d −∑α 6=agile Zα,dnα,d , then implies that
the downstream density of the agile ion, nagile,d , must also be pre-
served to this order and is, therefore, highly insensitive to the up-
stream density nagile,u. In other words, the compression ratio of the
agile ion increases as its mass fraction upstream decreases in order
to maintain nagile,d at the level required for charge neutrality down-
stream. This argument applies provided the diffusion approximation
remains valid.

3.2 Collision energy

In order to compute the collision energy in α −α ′ collisions, it is
convenient to transform to the center of momentum frame (COM).
One then finds

ECOM =
1
2

Aα Aα ′

Aα +Aα ′
mpc2

∆β
2
α,α ′ , (12)

where ∆βα,α ′ is given by Eq. (11). As an example, consider the
H−He collision. With AH = 1,AHe = 4, Eq. (11) yields ∆βH,He =
0.17(βu/0.3), and from Eq. (12) we have ECOM = 11.5(βu/0.3)2

MeV.
In general, we find that for light elements ECOM ∼ (1 −

20)(βu/0.3)2 MeV and for heavy elements ECOM ∼ (10 −
300)(βu/0.3)2 MeV. Thus, at shock velocities βu & 0.5, the colli-
sion energy can exceed ∼ 1 GeV for certain combinations of ions.

Coulomb barriers range between about 1 and 300 MeV for most
elements. Therefore, ion-ion collisions behind a fast enough shock
may conceivably cause significant composition change.

3.3 Collision rate

The cross-section for inelastic collisions of ion species α and α ′ is
given approximately by

σα,α ′ =
8π

3
[(A1/3

α +A1/3
α ′ )rp]

2 ≈ 0.18σT (A
1/3
α +A1/3

α ′ )
2, (13)

where rp ∼ 0.43re ∼ 1.2 f m, with re =
e2

mec2 being the classical elec-

tron radius, and σT = 8π

3 r2
e the Thomson cross section (e.g., Bass

1973; Kox et al. 1987).
The corresponding collision frequency is given by

ναα ′ = nα ′,dσα,α ′c|∆βα,α ′ |. (14)

To obtain the total collision frequency, we sum over all α −α ′ in-
teractions with minimal energy Emin. We take the coulomb barrier
between any two nuclei as the minimal value. Emin is obtained by
Eq. (1) in Royer et al. (2021).

The mean number of collisions over one Thomson length, lT =
(σT ne)

−1, is:

∆τα = ∑
α ′,>Emin

ναα ′ lT
βα,d · c

= ∑
α ′,>Emin

nα ′,d0.18σT (A
1
3
α +A

1
3
α ′)

2

neσT
·
|∆βα,α ′ |

βα,d

= 0.18 ∑
α ′,>Emin

j̃α ′
βu

βα ′,d
·
|∆βα,α ′ |

βα,d
(A

1
3
α +A

1
3
α ′)

2

= 0.18βu ∑
α ′,>Emin

j̃α ′
∣∣∣∣ 1
βα ′,d

− 1
βα,d

∣∣∣∣ · (A 1
3
α +A

1
3
α ′)

2.

(15)

For the example presented in Fig. 1 of pure H−He composition
(see Sec. 4.1 for details), Eq. (15) gives τHe ≈ 6.4

( j̃H
6/7

)
, implying all

of the helium ions would interact with hydrogen ions over a length
scale smaller than shock width. On the other hand, for the hydrogen
ions, we find τH ≈ 0.53

( j̃He
1/14

)
.

We emphasize that in practice the plasma downstream is expected
to be unstable by virtue of the relative drift velocity between the
various ion beams. This will likely lead to anomalous coupling by
plasma turbulence, and the question is what is the ratio between the
anomalous coupling length and the ion collision length? We discuss
this issue in greater detail in section 5.

4 NUMERICAL RESULTS

In this section we present solutions of the shock equations, Eqs. (3)-
(7), for different compositions of the upstream gas. To illustrate the
basic properties of the solution we begin with a simple example of
a pure hydrogen-helium (H −He) mixture. We then present solu-
tions for solar composition (full and H-stripped), and finally for r-
process elemental abundances anticipated in BNS merger ejecta. In
all of these examples, the shock velocity is taken to be βu = 0.3.
The ion-ion collision energies and collision rates are calculated in
the immediate downstream by employing the equations derived in
Sec. 3.2.

4.1 H−He mixture

In our first example we compute the structure of a shock propagat-
ing at a velocity βu = 0.3 in a medium composed of H −He mix-
ture, with relative abundances of X = 0.75, Y = 0.25. With our nor-
malization, this translates to the far upstream values j̃H,u = 6

7 and
j̃He,u = 1

14 of H and He fluxes, respectively. The resultant shock
structure is depicted in Fig 1. As seen, the small radiation force
invoked at τ = 0, Eq. (8), leads initially to the deceleration of the
electrons, and the consequent generation of a negative electric field
(magenta line in the inset) by the resultant charge separation. This
electric field, in turn, decelerates the ions (Eq. 6), and counteracts
the radiation force acting on the electrons (Eq. 5). As a result, the
H ions remain tightly coupled to the electrons, owing to their larger
charge-to-mass ratio, whereas the He ions quickly decouple. Charge
neutrality is eventually regained (at τ ≈ 17), whereupon the net
force acting on the system (the sum of electric and radiation forces)
vanishes, and the plasma continues to stream undisturbed. The rel-
ative drift velocity (marked by the dotted black line) approaches

MNRAS 000, 1–10 (0000)



Fission and fusion in BNS mergers by RMS 5

Figure 1. Shock structure solution obtained for a pure hydrogen-helium mix-
ture. The solid blue and red lines represent the velocity profiles of H and
He, respectively, as indicated, and the black dashed line the velocity profile
of the electrons. The black dotted line delineates the relative drift velocity
∆βHe,H = βHe− βH . The inset shows the electric field (red line), radiation
force (blue dashed line) and radiation pressure (blue solid line). As seen, the
relative drift velocity approaches ∆βHe,H = 0.173 in the post-deceleration
zone, at τ = 17 roughly, where the electric field and radiation force vanish.

∆βH,He = 0.173 in the post deceleration zone, and the corresponding
collision energy is ∼ 12.16 MeV.

4.2 Solar abundances

In our second example we use the solar elemental abundances given
in Lodders (2019) (see Table 4 there). Figure 2 shows the velocity
profiles of the electrons and the different ions (a), a color chart of
ion-ion collision energies (b), and the collision depth of all ions (c).
In similarity to the previous example, the hydrogen fluid remains
tightly coupled to the electron fluid throughout the shock, but all
other ions decouple and form a separate component, with a veloc-
ity spread considerably smaller than the relative drift between the H
ions and all other ions. The collision energies range between practi-
cally zero and 20 MeV, for the shock velocity adopted, and are dom-
inated by collisions of hydrogen with heavy ions. Above roughly
5 ∼ 10 MeV, proton capture reactions for many elements (e.g. C,
N and O) are quite rapid, with cross sections in excess of 100 mb
(Soppera et al. (2012)). We thus anticipate such reactions to ensue
at shock velocities βu & 0.2, provided that the relative velocity drifts
are maintained for distances comparable to the shock width. While
there is no detectable signature of H in the spectra of type Ib/c SNe,
the progenitors of these SNe might nonetheless contain a small frac-
tion of H (Hachinger et al. 2012). In fact, study of the confirmed sin-
gle type Ib progenitor that was detected in pre-explosion images (SN
iPTF13bvn), suggests that H constitutes almost 1% of the progeni-
tor’s mass (Gilkis & Arcavi 2022). Most of the H mass resides in the
outer part of the envelope, where its fraction can reach tens of per-
cents. We therefore considered also cases with relative H abundance
substantially smaller than solar, specifically, in the range 10−5− 1
solar. We find that over this range the ratio between the downstream
densities of H and the remaining elements is practically independent
of the mass fraction of H ahead of the shock. As explained at the end
of Sec. 3.1, this is a consequence of the charge neutrality condition
and the fact that the agile ion is most affected by the electrostatic
field inside the shock.

In type IIb SNe, velocities of 0.1 ∼ 0.15c may be obtained at the
ejecta front (Chevalier & Soderberg 2010), which is marginal for
proton capture. However, considerably higher shock velocities are
conceivable in Type Ib/c, and if indeed contain H ions, proton cap-

ture reactions might be important in those systems, and can alter the
composition in regions where the shock is fast enough.

In the complete absence of hydrogen ions, as may be the case
in some H− stripped massive stars, the charge-to-mass ratio of all
ions falls in the range 0.4 . Z/A . 0.5. There is a group of agile
ions (those with Z/A = 0.5) that develop a large relative drift with
respect to other ions. We find that the absence of hydrogen leads to
the generation of a much stronger electric field over a longer length
scale compared with the previous case, resulting in a larger velocity
separation between all other ions species (see Fig. 3a). The colli-
sion energies can exceed 100 MeV for certain channels that involve
collisions between light and heavy ions (Fig 3b). For lighter ions
the collision energies are modest, between a few to a few tens MeV.
However, for the adopted shock velocity only in very few cases the
collision energy exceeds the Coulomb barrier (Fig. 3c). Hence, a
considerable effect on the composition seems less likely.

4.3 r-process composition in BNS mergers

As a final (and most interesting) example we consider a shock prop-
agating in BNS merger ejecta consisting of r-process material. The
composition of various fluid elements in the ejecta of BNS merger
depend on its initial condition, mostly the initial electron-fraction
and its expansion velocity. However, all fluid elements have in com-
mon a dominant fraction of r-process material and a non-negligible
fraction of He. Since He is the most agile element expected in the
ejecta, its presence has a significant effect on the velocity spread.
Typical He mass fractions found in various simulations range be-
tween 10−4 and 0.1 (Tarumi et al. 2023 and references therein). We
calculated the velocity spread for far-upstream compositions with
these two extreme values, whereas for the r-process elements we
adopt the abundances given by Goriely (1999).

The results are summarized in Fig. 4, where we use the mass num-
ber A instead of Z to label the different ions, since different isotopes
of the same elements are present in the system. The He mass fraction
in this example is XHe = 10−2. As in the case of solar abundance
with varying XH , we find that in the range 10−4 < XHe < 0.1 that
we explored the ratio between the density of He and the remaining
elements in the immediate downstream is independent of the mass
fraction of He ahead of the shock. Nearly all elements would experi-
ence collisions with He with COM energies well above the Coulomb
barrier. This should give rise to nuclear transmutations of many iso-
topes at shock velocities βu & 0.2, although the inelastic cross sec-
tion for nuclear reactions might be somewhat smaller than the total
cross section adopted to estimate the collision depth in Fig. 4c.

5 INCLUSION OF INTERIONIC FRICTION

The velocity distribution of the multi-ion plasma established in the
post deceleration zone (Figs 1-4), is expected to be prone to vari-
ous beam instabilities. This would result in the generation of plasma
microturbulence that can transfer momentum between different ion
beams via ion scattering off plasma waves, thereby driving the
downstream plasma towards equipartition. The anomalous coupling
length is expected to depend on the threshold drift velocity for the
onset of the instability, on the saturation level of the turbulence,
and conceivably other factors. Moreover, the continuous decrease
of the relative drift velocity between different ion species will in-
duce charge separation that will affect the electrostatic field. We note
that conversion of the dissipation energy to radiation can only occur
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(a) Velocity profiles

(b) Ion-Ion collision energies (MeV )

(c) Ion collision depths

Figure 2. Solutions for a shock with a full solar composition. Shown are: (a)
Velocity profiles of electrons and ions. The large difference in Z/A between
the hydrogen and all other ions creates a clear distinction between the H fluid
and the cluster of all other ions. For clarity, the sidebar on the right gives a
zoom-in into the terminal velocities of the different ions in the cluster. (b) A
color chart showing the ion-ion collision energies computed in the immedi-
ate shock downstream (the post deceleration zone at τ & 17). To obtain the
collision energies at other shock velocities, the values in this chart should be
scaled by the factor (βu/0.3)2. (c) Collision depth of different ions, defined
as the mean number of ion collisions within one Thomson length (Eq. 15).
Only collisions above the Coulomb barrier are shown. The plot indicates that
essentially all ions will collide over a length scale considerably smaller than
the shock width.

over the radiation length scale. Consequently, if the anomalous cou-
pling length is much smaller than the Thomson length, dissipation
via anomalous friction should first lead to ion heating before the en-
ergy will be converted to radiation. (On a global scale this would
appear as formation of collisionless subshocks.) Furthermore, if the
growth of the instability occurs well after decoupling, the ion tem-
perature should be high enough to allow inelastic ion-ion collisions

(a) Velocity profiles

(b) Ion-Ion collision energies (MeV )

(c) Ion collision depths

Figure 3. Same as Fig. 2 but for H− stripped solar abundances.

by random motions. On the other hand, the electrostatic field in-
duced by the interionic friction may prevent the early decoupling of
ions with small Z/A seen in the solutions presented in Sec. 4, thereby
suppressing the rate of inelastic ion-ion collisions. What would ac-
tually happen depends, ultimately, on the threshold velocity of the
instability and the scale separation. In Sec. 6 we provide a rough
estimate of the scale separation in RMS, and conclude that in BNS
mergers the anomalous coupling length is likely to be comparable to,
or even larger than, the radiation length, whereas in other systems it
is most likely much smaller. Thus, the situation might be different in
different types of systems.

To gain insight into the effect of interionic friction, we constructed
a (simplified) phenomenological friction model. The model ignores
any threshold effects, and doesn’t take into account ion heating, thus,
it is rather limited. Nonetheless, it elucidates some basic features that
can guide future analysis.
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(a) Velocity profiles

(b) Ion-Ion collision energies (MeV )

(c) Ion collision depths

Figure 4. Same as Fig. 2 for a shock propagating in a BNS merger ejecta,
containing He ions with a mass fraction of XHe = 10−2. The color chart indi-
cates that collisions of alpha particles with nearly all elements are above the
Coulomb barrier.

5.1 A phenomenological friction model

Since we only consider interionic friction, the only equation altered
in the model is Eq. (6). The other equations remain unchanged. We
suppose that the change in momentum of ion α due to momentum
exchange with ion beam α ′ is proportional to the relative veloc-
ity between ion species α and α ′, and the density of the α ′ beam:
Fαα ′ = gα,α ′nα ′(βα −βα ′), where gα,α ′ is a characteristic friction
coefficient. The total friction force exerted on ion α is the sum over
all ion beams. In terms of the conserved fluxes j̃α ′ and the coordinate
τ , the modified Eq. (6) reads:

d
dτ

βα =
βe

βα Aα

[
µẼZα −∑

α ′
g̃αα ′

j̃α ′
βα ′

(βα −βα ′)

]
, (16)

Figure 5. Shock solutions for a pure H−He composition, as in Fig. 1, and
different values of the friction coefficient g̃, as indicated. The lower-right
panel displays the radiation pressure profile for the three cases presented in
the other panels (g̃ = 10−2,10−1,1). As seen, full coupling occurs for g̃≥ 1.

here g̃αα ′ ≡
gα,α ′
mpσT

defines a dimensionless friction coefficient. In
what follows we assume for simplicity that all the coefficients are
equal: g̃αα ′ = g̃. This, of course, may not be realistic in practice.
Nonetheless, it allows us to estimate the strength of the friction force
required to tightly couple all ions.

We can derive a critical value for g̃ by comparing the length
scale for ion deceleration by friction, l f ric, with lT . The decelera-
tion length can be approximated from Eq. (16):

l f ric ≈
< Aα > β 2

u c2

σT g̃∑α ′ jα ′
. (17)

Requiring lT = l f ric, and using Eq. (1) to estimate ∑α ′ jα ′ ≈ je
<Zα>

≈
je

<Aα>
, we get:

g̃crit ≈< A >2
βu. (18)

For a pure He−H mixture with βu = 0.3 and < A >∼ 1, we find
g̃crit ≈ 0.3. For heavy r-process elements with βu = 0.3 and < A >∼
100, we find g̃crit ≈ 3 ·103. These results give a ballpark estimate in
good agreement with the numerical results exhibited in Figs 5 and 6.

5.2 Shock solutions

Replacing Eq. (6) with Eq. (16), we obtained new solutions for the
shock structure. Results for the H−He and r-process compositions
are shown in Fig. 5 and Fig. 6 respectively. We find no effect
on the shock structure up to g̃ . 10−2 (102 for r-process case).
At g̃ ∼ 10−1 (102), the friction force succeeds to couple all the
components together on length scales of a few lT , yet enabling
ion-ion collisions. For g̃ > 1 (103) no velocity differences are
obtained and the shock acts as a single fluid.

6 APPLICATION TO BNS MERGERS

The nucleosynthesis of r-process elements in the outflow of BNS
mergers takes place during the first second or so following its ejec-
tion, as the neutron rich material decompresses. The exact evolution
of the thermodynamic conditions within each fluid element depends
on its initial state and expansion velocity (as can be seen in Korobkin
et al. 2012). As long as nuclear reactions (neutron capture, fission,
etc.) take place, the temperature of the gas remains roughly 50 keV
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Figure 6. Shock solutions for r-process composition taken from Goriely
(1999), and g̃ = 101,102, and 103, as indicated.

and the free neutrons are over abundant (dominate the number den-
sity). A sharp transition in the thermodynamic evolution takes place
when the reactions terminate, roughly a second after the ejection at
a density of about 100 gr cm−3. In the first stage, almost all of the
free neutrons are captured over a very short time scale (much shorter
than a second). Subsequently, the density and temperature evolve as
in a freely expanding radiation dominated gas, ρ ∝ t−3 and T ∝ t−4.
The composition during this stage evolves only by radioactive decay
towards the vally of stability. As we discuss below, this evolution
implies that the properties of a shock that is driven into the ejecta
strongly depends on whether it propagates in the ejecta before or
after nuclear reactions freeze-out.

Several different shocks are expected to cross the subrelativistic
material ejected from a BNS merger. First, in the commonly ac-
cepted scenario, and as supported by observations of GW170817,
a jet is launched from the compact remnant formed in the aftermath
of BNS coalescence, and propagates through the merger ejecta. The
motion of the jet inflates an expanding cocoon that drives an asym-
metric RMS in the ejecta. The shock velocity is fastest along the jet
axis (can approach the speed of light) and decreases with increas-
ing angle. The angular distribution of the shock velocity depends on
the density distribution of the ejecta, as well as the jet luminosity
and opening angle, and is not known exactly. However, simulations
suggest that it can exceed 0.1c and even approach 0.3c over a sig-
nificant range of angles (Gottlieb & Nakar 2022). Overall, a small
fraction (of order of a few percent) of the ejetca is shocked by the jet
and the cocoon. This material is expected to dominate the early KN
emission, on time scales of minutes to hours (Gottlieb et al. 2018a;
Hamidani & Ioka 2023, 2022). The shock can cross the ejecta both
before or after nucleosynthesis freezeout and affect the composision
of the cocoon material. A significant change in the composition of
this material might affect the properties of the early kilonova signal.

A second source of shocks is interaction between various compo-
nents of the ejecta itself. There are several different mechanisms that
expel matter, each operates on a different time scale after the merger
and produces outflow with a different range of velocities (see, e.g.,
Nakar 2020 and references within). Since some of these produce
relatively fast ejecta over long time scales, shocks are expected to
form when different components of the outflow collide. For exam-
ple, Nedora et al. (2021) find a fast (0.15-0.3 c) spiral-wave driven
wind that lasts as long as the central remnant does not collapse to a
black-hole. This fast material, which may be ejected for a second or
longer, is expected to interact with slower material, driving shocks
at a velocity of ∼ 0.1− 0.2 c. Observations of GW170817 reveal a
comparable amount of mass in ejecta having a velocity of 0.2-0.3
c and ejecta with a velocity of 0.1− 0.2 c. It is also likely that an

even faster material was ejected. It is plausible that collisions during
the ejection of this fast component generated shocks with veloci-
ties in the range ∼ 0.1−0.2 c, and possibly even faster. These type
of shocks form during the main mass ejection episode and, there-
fore, most likely cross the ejecta before nucleosynhesis freeze-out,
although it is conceivable that some shocks form also at later times.

Finally, the central remnant may also drive a quasi-spherical, or a
wide-angle, shock into the ejecta. For example, a long lasting mag-
netar can inject enough energy to significantly accelerate the ejected
material, thereby driving a fast shock through a large fraction of the
ejecta (e.g., Beloborodov et al. 2020). This may even be the source
of the fast (∼ 0.3 c) component in GW170817. Such energy injec-
tion can ensue before and/or after the termination of nucleosynthe-
sis, and may have a significant effect on the composition of most of
the ejecta, and possibly its entirety.

According to the results obtained in Sec. 4.3, in regions where the
shock is fast enough, βu & 0.2, collisions between neutron rich iso-
topes just behind the shock can trigger fission and fusion, leading to
a substantial composition change, provided anomalous friction does
not prevent full decoupling of the ions inside the shock. In addition,
fission can also be induced by neutron capture if conditions are right.
Below, we provide an estimate of the scale separation (between radi-
ation and kinetic scales) and discuss the implications for anomalous
coupling. We also consider fission by neutron capture. But we begin
with a caveat - the neglect of pair production.

6.1 Pair production

Estimates based on the observed kilonova emission in GW170817
indicate ejecta mass of Me j ≈ 10−2 M�. The corresponding density
at a radius r = 1010r10 cm is ρ ≈ 10(Me j/10−2M�)r−3

10 gr cm−3.
From Fig. 15 in Levinson & Nakar (2020) we estimate a down-
stream temperature of kTd ∼ 102(ρ/10grcm−3)1/4(βu/0.3)3 keV
for a single-fluid RMS model. At such high temperatures the pair
creation rate is large and one expects a large abundance of positrons
inside the shock (Katz et al. 2010; Budnik et al. 2010; Levinson &
Nakar 2020). Thus, our neglect of this component in the shock equa-
tions seems unjustified. It is worth noting that like H ions, positrons
have Z/A = 1. However, unlike H ions they are subject to the radi-
ation force. This implies that they should decouple first, as seen in
single-ion relativistic RMS (Levinson 2020), since the electric force
acting on the positrons is in the same direction as the radiation force.
How would this affect the velocity separation of the ions is unclear
at present. We defer the inclusion of pair creation in the multi-ion
RMS model for future work.

6.2 Scale separation and coupling length

In the preceding section, we demonstrated that sufficiently strong in-
terionic friction can tightly couple the ions, preventing relative drifts.
As explained there, in reality such friction represents anomalous mo-
mentum transfer between ions via scattering off plasma turbulence.
Such momentum transfer occurs on microscopic scales, but the ac-
tual length scale is unclear at present. In Vanthieghem et al. (2022)
it has been shown, by means of PIC simulations, that in a single-ion
RRMS, where positrons are present, the anomalous coupling length
scales as lc ∼ 105M 1/2(γu/10)−1lp, where M is the pair multiplic-
ity, γu the shock Lorentz factor and lp the proton skin depth defined
below. For the typical densities expected in many exploding stellar
systems (e.g., SNe, LGRB) lc has been shown to be much smaller
than the shock width (by several orders of magnitude). This result is
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probably irrelevant to the Newtonian, multi-ion RMS studied here,
as the plasma modes that dominate the turbulence are most likely
different. However, it suggests that the anomalous coupling length
may encompass thousands or even tens of thousands of skin depths.
At the extreme densities of BNS merger ejecta, this may exceed the
shock width, as we now show.

To get a rough measure of the anticipated scale separation
in RMS, we compare the Thomson length, lT = (σT ne,u)

−1,
with the proton skin depth at the same density, lp = c/ωp =

(mpc2/4πe2ne,u)
1/2 1. The upstream electron number density can

be estimated upon assuming that all elements have Z/A = 0.5:

ne,u ≈
ρ

2mp
≈ 1025(Me j/10−2M�)r−3

10 cm−3, (19)

from which we find

lT /lp ≈ 104
( ne,u

1025 cm−3

)−1/2
. (20)

Note that this ratio scales as r3/2
10 . Comparing the ratio lT /lc in the

last equation with the ion collision depth in Fig. 4c suggests that
if indeed lc > 104lp, anomalous coupling may not prevent inelas-
tic ion-ion collisions, and the consequent change of the composi-
tion profile. A more firm conclusion requires a quantitative analysis
of plasma instabilities in the multi-ion system, which is beyond the
scope of this paper. We defer such analysis for a future study.

6.3 Fission by neutron capture reactions

As mentioned above, a large abundance of free neutrons is present
in the ejecta up to about one second post merger. If the shock propa-
gates in the ejecta during this stage, free neutrons advected with the
upstream flow will cross the shock undisturbed and collide with the
heavy nuclei downstream. This can trigger fission, provided that the
relative velocity of the free neutrons with respect to the downstream
ions exceeds the fission barrier. Fission barriers of heavy ions range
from a few MeV for atomic numbers Z > 80 roughly (depending on
A), to about 40 MeV for lighter elements (Möller et al. 2009; Royer
et al. 2021). For most ions with Z > 70 it is below 25 MeV. This
implies that at shock velocities βu & 0.2 most nuclei downstream of
the shock will undergo fission if the shock crosses the ejecta early
eanough.

7 SUMMERY

We have demonstrated how the passage of a fast radiation-mediated
shock through a multi-ion plasma can trigger nuclear reactions in
the immediate shock downstream, thereby changing the composi-
tion profile behind the shock. The reason is that ions having differ-
ent charge-to-mass ratios experience different deceleration rates by
the electrostatic field generated inside the shock, owing to the charge
separation imposed by the radiation force acting solely on the elec-
trons. This leads to a relative velocity drift between different ion
beams just downstream of the shock which, if exceeds the activation
barriers for nuclear reactions, can induce fusion or fission of various
elements.

In case of BNS mergers, we find that nuclear reactions are trig-
gered at shock velocities βu & 0.2, and are dominated by either,

1 The skin depth of an individual ion beam α is related to the proton skin
depth through: lα =

√
ne,uAα/nα,uZ2

α lp ' lp.

neutron capture if the shock crosses the ejecta before freeze-out of
nucleosynthesis in the unshocked ejecta, or collisions of α particles
with heavy ions in the immediate downstream if shock crossing oc-
curs after freeze-out. The resultant change in composition behind
the shock that the jet drives as it crosses the ejecta, might consider-
ably affect the properties of the early kilonova emission (minuets to
hours), which is likely dominated by the cocoon. The late kilonova
emission can be also affected if fast shocks arrise between different
components of the ejecta or if the central remnant injects a signifi-
cant amount of energy into the outflow after its ejection.

In SNe, proton capture reactions are found to be important at
shock velocity βu & 0.2, even if the abundance of H is smaller than
solar by several orders of magnitudes. Such high velocities are not
expected in type II SNe, but are likely in type Ib/c SNe and in shock
breakout from extended stellar envelopes in llGRB (Nakar 2015).
The absence of hydrogen lines in the spectra of these SNe sets a
limit on the H abundance; according to Hachinger et al. (2012) an H
mass fraction of even 1% out of the total may be allowed, where the
H mass fraction in the outer envelope can be considerably higher.
What would be the effect of the composition change on the emitted
spectrum in these sources is unclear at present, although it would
probably affect only spectra at very early times. We hope that future
studies might be able to identify observational diagnostics that can
test this model.

Our analysis ignores the effect of plasma instabilities. An estimate
of the ratio between kinetic and radiation scales is given in Sec. 6.2.
Based on this estimate, we speculated that in BNS mergers, owing
to the extreme density of the ejecta, anomalous coupling may not
prevent a complete velocity separation of the different ion beams,
hence, may not affect our results significantly. In SNe, where the
typical densities are smaller by about ten orders of magnitudes, the
scale separation is much larger and the effect of beam instabilities
on the downstream velocity distribution of the ions is unclear. We
pointed out that if the threshold drift velocity required for anoma-
lous coupling is large enough, it may lead to formation of collision-
less subshocks, with random ion velocities in excess of the proton
capture barrier. Otherwise, the onset of instabilities might suppress
nuclear reactions in SNe. We plan to conduct a detailed kinetic study
of instabilities in multi-ion RMS, along similar lines to the study de-
scribed in Vanthieghem et al. (2022), in the near future.
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APPENDIX A: DERIVATION OF SHOCK EQUATIONS

We consider a planar shock propagating in the −x̂ direction through
a static, fully ionized, infinite cold medium. In the shock frame the
flow is steady, with an upstream velocity βu . 0.5 in the x̂ direc-
tion. We suppose that the plasma upstream of the shock is made of
electrons and various ion species (henceforth labeled by a subscript
α) of atomic number Zα and mass number Aα . We further assume
that the energy dissipated inside the shock is fully converted into ra-
diation, which is a good approximation in RMS. For simplicity, we
neglect pair production inside the shock (which may not be justified
at extreme densities, see Sec. 6 for details) and any other conversion
process (e.g., nuclear transmutations). In the multi-fluid approach
developed here, the electrons and the different ion species are treated
as different fluid components, with densities ne and nα , respectively,
and velocities βe and βα . Since we neglect conversion processes, all
particle fluxes must be conserved across the shock, viz., je ≡ neβe =
const, and likewise for jα ≡ nα βα .

Following Blandford & Payne (1981a), we invoke the diffusion
approximation to compute the transfer of radiation through the
shock. Since, practically, only the electrons experience the radia-
tion force (through inverse Compton scattering), the advection ve-
locity must equal βe. The energy flux of the radiation (in units of

c = h̄ = 1) can then be expressed as (Blandford & Payne 1981a;
Levinson & Nakar 2020):

T 0x
γ = βe(eγ + pγ )−

1
3neσT

∂xeγ , (A1)

where eγ and pγ are the radiation energy density and pressure, re-
spectively. The first term on the R.H.S describes the advection of en-
thalpy, and the second term the diffusion flux (Fick’s law), with the
diffusion coefficient averaged over all angles (hence the 1/3 factor).
Treating the radiation as a relativistic gas, we can use the equation
of state eγ = 3pγ to close the system of moment equations. With the
normalization πγ = pγ/me je and T̃ 0x

γ = T 0x
γ /me je, Eq. (A1) reads:

T̃ 0x
γ = 4πγ βe−∂τ πγ . (A2)

Under the assumption that the plasma is cold, the energy fluxes
of the electron and ion fluids are given by T 0x

e = 1
2 meneβ 3

e and
T 0x

α = 1
2 Aα mpnα β 3

α , respectively. In terms of the Thomson optical
depth, dτ = neσT dx, energy conservation across the shock can be
expressed as,

∂τ (T 0x
γ +T 0x

e +∑
α

T 0x
α ) = 0. (A3)

To the order we are working in, the momentum fluxes of the ra-
diation and the electron fluid are, respectively, T xx

γ = pγ and T xx
e =

meneβ 2
e = me jeβe. The change in the momentum flux of the cou-

pled electron-photon system must equal the electrostatic force den-
sity acting on the electrons:

∂x(T xx
e +T xx

γ ) =−eneE. (A4)

Dividing by me je and using our normalization, we obtain Eq. (5),

∂τ (πγ +βe) =−Ẽ. (A5)

Likewise, the momentum flux of ion species α is T xx
α =

mpAα nα β 2
α = mpAα jα βα . The change in this momentum flux must

equal the electrostatic force density acting on the ions:

∂xT xx
α = eZα nα E. (A6)

Dividing by mpAα jα and normalizing we obtain Eq. (6). To obtain
Eq. (7) we note that ∂xT 0x

α = βα ∂xT xx
α = eZα jα E. Likewise, ∂xT 0x

e =
βe∂xT xx

e =−e jeE−βe∂xT xx
γ , where Eq. (A4) has been employed.

By summing over all ions and using Eq. (1), we find

∂x(T 0x
e +∑

α

T 0x
α ) =−βe∂xT xx

γ =−βe∂ pγ . (A7)

Combining the last equation with Eqs. (A2)-(A3), we finally arrive
at Eq. (7):

∂τ T̃ 0x
γ = ∂τ (4πγ βe−∂τ πγ ) = βe∂τ πγ . (A8)

This paper has been typeset from a TEX/LATEX file prepared by the author.
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ABSTRACT
The Andromeda Galaxy (M31) is the Local Group galaxy that is most similar to the Milky Way (MW). The similarities between
the two galaxies make M31 useful for studying integrated properties common to spiral galaxies. We use the data from the
recent QUĲOTE-MFI Wide Survey, together with new raster observations focused on M31, to study its integrated emission.
The addition of raster data improves the sensitivity of QUĲOTE-MFI maps by a factor greater than 3. Our main interest is to
confirm if anomalous microwave emission (AME) is present in M31, as previous studies have suggested. To do so, we built
the integrated spectral energy distribution of M31 between 0.408 and 3000GHz. We then performed a component separation
analysis taking into account synchrotron, free-free, AME and thermal dust components. AME inM31 is modelled as a log-normal
distribution with maximum amplitude, 𝐴AME, equal to 1.06 ± 0.30 Jy. It peaks at aAME = 17.28 ± 3.08GHz with a width of
𝑊AME = 0.57 ± 0.15. Both the Akaike and Bayesian Information Criteria find the model without AME to be less than 1% as
probable as the one taking AME into consideration, thus strongly favouring the presence of AME in M31. We find that the AME
emissivity in M31 is 𝜖28.4GHzAME = 9.1 ± 2.9 `K/(MJy/sr), similar to that computed for the MW. We also provide the first upper
limits for the AME polarization fraction in an extragalactic object. M31 remains the only galaxy where an AME measurement
has been made of its integrated spectrum.

Key words: (galaxies): Local Group – galaxies: ISM – (cosmology): diffuse radiation – radio continuum: galaxies – radiation
mechanisms: general – ISM: general

★ E-mail: mateo.fernandez@iac.es (MFT)
† E-mail: rgs@iac.es (RTGS)

1 INTRODUCTION

The Andromeda Galaxy or Messier 31 (M31) is the largest galaxy in
the Local Group (Goodwin et al. 1998) and the most similar to the

© 2023 The Authors
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Milky Way (MW), both being spiral galaxies. It has been observed
and studied in detail throughout modern astronomical history owing
to its large angular size,1, over 5 deg2. These studies span the whole
frequency domain: a review of high resolution radio measurements
is available in Berkhuĳsen et al. (2003). Fatigoni et al. (2021) also
studied M31 at high angular resolution, using data taken in the C-
band of the Sardinia Radio Telescope (hereafter, SRT). Together with
the previously mentioned ancillary data, thermal and non-thermal
emission components could be spatially disentangled, and the star
formation rate was estimated.
Anomalous microwave emission (hereafter, AME) is a prominent

mechanism of Galactic emission in the frequency range 10–60 GHz.
Known for more than 25 years now (Kogut et al. 1996; Leitch et al.
1997), the physical process responsible for AME is not clear yet. The
dominant hypothesis states that spinning dust emission is responsible
for AME (Draine & Lazarian 1998a,b), owing partly to the strong
spatial correlation between AME and thermal dust (300–3000GHz)
emission (e.g., Poidevin et al. 2023; Fernández-Torreiro et al. 2023).
However, the exact carrier responsible for AME is still a mystery.
Neither are its polarization properties well understood yet, although
observations indicate that its polarization fraction should be below
1% (or absent) at angular scales of ∼ 1◦ (e.g., López-Caraballo et al.
2011; Dickinson et al. 2011; Génova-Santos et al. 2015, 2017). See
Dickinson et al. (2018) for a detailed review on AME.
While there have been many detections of AME in our Galaxy

(e.g., Watson et al. 2005; Poidevin et al. 2019; Planck Collaboration
et al. 2014; Cepeda-Arroita et al. 2021; Fernández-Torreiro et al.
2023) extragalactic detections of AME are scarce (Murphy et al.
2010, 2018). Peel et al. (2011) set upper limits on the AME from
three different bright galaxies using the WMAP 7 yr Point Source
Catalogue and and the Planck Early Release Compact Source Cata-
logue (ERCSC). Using observations from these two satellites, Planck
Collaboration et al. (2015b) claimed a 2.3𝜎 significance detection of
AME in M31. Tibbs et al. (2018) also analysed Planck data for M33
but found no evidence of an AME component on its integrated spec-
trum. Bianchi et al. (2022) studied data fromK-band detectors at SRT
for four nearby spiral galaxies but was unable to detect AME in any
of them, which instead places constraints on its upper levels. How-
ever, AME has been detected in resolved extragalactic regions, such
as a star-forming region in NGC 6946 (Murphy et al. 2010; Hensley
et al. 2015) and a compact radio source associated with NGC 4725
(Murphy et al. 2018). Section 3.3 of Dickinson et al. (2018) covers
further attempts to measure AME outside the Milky Way. It appears
that AME ismuch easier to detect in individual, well isolated regions,
where the background emission can be easily subtracted. Generally,
these regions also showhigh emission from thermal dust and high star
formation ratios, together with low synchrotron signal. It is difficult
to find a galaxy whose integrated spectrum shows this combination
of properties, as normally many strong components contribute to the
spectrum.
Based on new data at 6.6 GHz from the SRT, which are key to

determining the level of free–free emission, Battistelli et al. (2019)
(hereafter, B19) claimed a high-significance detection of AME in
M31. These SRT data were smoothed to 1 degree resolution and
studied together with data from WMAP, Planck and Herschel (Fritz
et al. 2012) satellites. Few full-sky datasets between 2 and 20GHz

1 M31’s isophotal major radius is 91.5′(de Vaucouleurs et al. 1991) with an
axial ratio of ≈ 0.7. The Herschel Exploitation of Local Galaxy Andromeda
(HELGA, Fritz et al. 2012) program went beyond M31 itself and also studied
its surroundings, producing maps of ∼ 5.5◦ × 2.5◦.

are currently available. This causes synchrotron, free–free and AME
models to be highly degenerate unless strong priors are placed on
their parameters. However, the combination of SRT data with lower
frequency (below 2GHz) surveys permitted a good determination
of the synchrotron and free–free levels. Once synchrotron and free–
free have been properly defined, a good determination of AME is
straightforward. The significance of the AME detection increased
from 2.3𝜎 in Planck Collaboration et al. (2015b) to over 8𝜎 in B19
after including these SRT data.
Harper et al. (2023) performed an independent analysis of M31

after adding data from the C-BASS experiment at 4.76GHz. This
data addition should improve the disentanglement of synchrotron
and free–free, similar to what happened with SRT data. Using the
same apertures as Planck Collaboration et al. (2015b), they claimed
a 3.0𝜎 detection of AME, although with much lower amplitude than
that expected from both Planck Collaboration et al. (2015b) and
B19: while the former measured 𝑆30GHzAME = 0.7±0.3 Jy and the latter
𝑆25GHzAME = 1.45 ± 0.15 Jy (although in this case the apertures have
different sizes), Harper et al. (2023) quoted an AME contribution of
0.27±0.09 Jy at 30GHz. This also implied an extremely low estimate
of the AME emmissivity, a factor 20 lower than those expected from
measurements on our Galaxy (Planck Collaboration et al. 2015a;
Harper et al. 2022; Fernández-Torreiro et al. 2023).
In this paper, we present the data taken on M31 with the Q-U-I

JOint Tenerife Experiment Multi Frequency Instrument (QUĲOTE-
MFI) at 11 and 13GHz between 2012 and 2018, from the combi-
nation between its Wide Survey (Rubiño-Martín et al. 2023) and
focused raster observations. We use these QUĲOTE-MFI data to
assess the presence of AME inM31 following an independent proce-
dure to that of B19 andHarper et al. (2023). The paper is organized as
follows. Section 2 describes the data used to build theM31 integrated
spectrum energy distribution (SED) and how they were processed.
Section 3 describes the components assumed in the fitting of the SED
of M31 and the fitting procedure itself. Section 4 presents the main
results of this study, while Section 5 comments on the changes for
these results with different assumptions. Finally, we present the main
conclusions of this work in Section 6.

2 INPUT DATA

A summary of the maps used is presented in Table 1. All of them are
used in HEALPix2 (Górski et al. 2005; Zonca et al. 2019) pixellization
𝑁side = 512 and smoothed to a common resolution of 1 degree.

2.1 QUĲOTE-MFI data

The QUĲOTE CMB experiment (Rubiño-Martín et al. 2010) oper-
ates at the Teide Observatory (OT) of the Instituto de Astrofísica de
Canarias (IAC), located at longitude 16◦36′20′′ West and latitude
28◦16′07′′ North. The first instrument installed on QUĲOTE was
theMulti Frequency Instrument (MFI). This instrument observed the
sky, in intensity and polarization, at 11, 13, 17 and 19GHz, mostly
in the so-called ‘nominal mode’ configuration, with continuous ob-
servations at constant elevation while spinning in azimuth. These
observations constitute the Wide Survey (hereafter, WS), which is
described in detail in Rubiño-Martín et al. (2023). In addition to the
WS data set, we use new data obtained with raster mode observations
specifically focused on M31, intended to improve the sensitivity in

2 https://healpix.sourceforge.io
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Table 1. Summary of the surveys and frequency maps used in this analysis. The quoted photometry estimates were obtained as described in Section 3.2 after
applying both the point sources and CMB subtractions described in Sections 3.4 and 3.5 respectively. The photometry estimates from B19, which are computed
using the same apertures, are shown for comparison.

Telescope Frequency Calibration Resolution 𝑆a from this work 𝑆a from Battistelli et al. (2019) Reference
(GHz) (%) (arcmin) (Jy) (Jy)

Various 0.408 10 51 13.7 ± 3.0 18.4 ± 1.6 Haslam et al. (1982)
Remazeilles et al. (2015)

Dwingeloo 0.82 10 72 8.6 ± 1.8 - Berkhuĳsen (1972)
Stockert/Villa-Elisa 1.42 20 34.2 4.9 ± 1.4 5.28 ± 0.41 Reich et al. (2001)
QUĲOTE-MFI 11.2 5 53.2 1.79 ± 0.30 - Rubiño-Martín et al. (2023)
QUĲOTE-MFI 12.9 5 53.5 1.94 ± 0.36 - Rubiño-Martín et al. (2023)
WMAP 22.8 3 51.3 1.56 ± 0.11 2.00 ± 0.17 Bennett et al. (2013)
Planck 28.4 3 33.1 1.36 ± 0.11 1.86 ± 0.15 Planck Collaboration et al. (2020a)
WMAP 33 3 39.1 1.26 ± 0.14 1.71 ± 0.21 Bennett et al. (2013)
WMAP 40.7 3 30.8 0.79 ± 0.11 1.31 ± 0.16 Bennett et al. (2013)
Planck 44.1 3 27.9 0.95 ± 0.14 1.45 ± 0.25 Planck Collaboration et al. (2020a)
WMAP 60.7 3 21 0.84 ± 0.31 1.72 ± 0.42 Bennett et al. (2013)
Planck 70.4 3 13.1 1.01 ± 0.25 2.12 ± 0.36 Planck Collaboration et al. (2020a)
WMAP 93.5 3 14.8 2.26 ± 0.86 3.5 ± 1.0 Bennett et al. (2013)
Planck 143 3 7.3 11.4 ± 1.1 15.7 ± 1.4 Planck Collaboration et al. (2020a)
Planck 353 3 4.9 261 ± 23 318 ± 24 Planck Collaboration et al. (2020a)
Planck 545 6.1 4.8 886 ± 87 1027 ± 73 Planck Collaboration et al. (2020a)
Planck 857 6.4 4.6 2610 ± 250 3020 ± 190 Planck Collaboration et al. (2020a)

COBE-DIRBE 1250 11.6 37.1 4680 ± 640 5330 ± 370@ 1199GHz Hauser et al. (1998)
COBE-DIRBE 2143 10.6 38 6260 ± 770 7020 ± 230@ 1874GHz Hauser et al. (1998)
COBE-DIRBE 3000 13.5 38.6 3010 ± 480 2980 ± 140@ 2997GHz Hauser et al. (1998)

this area. All the analyses and results presented in this paper have
been derived using 11 and 13GHz maps. High noise levels in the
17 and 19GHz intensity maps (see Table 2), mostly dictated by at-
mospheric 1/ 𝑓 noise, prevent the detection of emission from M31
at these frequencies so they are therefore discarded for this analysis.
The 11 and 13GHz maps are produced combining the WS data with
the data obtained in raster scan mode around the coordinates of M31.
A single run of the QUĲOTE Map-Making code (Guidi et al. 2021)
is required in order to optimize the recovering of the large angular
scale signal. The same strategy has been applied before (Tramonte
et al. 2023; Guidi et al. 2023) and will be used in upcoming (Ruiz-
Granados et al. 2023; González-González et al. 2023) publications
using QUĲOTE-MFI data.
The raster-scans are constant-elevation azimuth scans of width

≈ 12◦/cos(EL) and duration ≈ 35 min, performed on different local
coordinates while tracking the field, with elevations ranging between
32◦ and 75◦. After projection onto the sky plane, each of these
observations results in a map of ≈ 12◦ by ≈ 12◦. A total of 931
such raster-scan observations were performed with a total duration
of 539 hours. The combination of all these observations results in a
sky coverage as shown in the bottom-right panel of Fig. 1, where the
footprint of the raster scans is evident. This is one of the fields with
higher integration time with the MFI. As a result, these are the maps
with the best sensitivity of all of those obtained with the MFI to date,
both in intensity and polarization. Final map sensitivities, computed
through a jack-knife analysis on the Half Mission Difference Maps
(HMDM; see Rubiño-Martín et al. 2023) are shown in Table 2: we
can clearly see the

√
10 factor improvement in sensitivity owing to

the addition of raster data for most of the horns. For the higher
frequency horns, we can see that horn 2 behaves better in intensity
while horn 4 does so in polarization, as was the case for the WS
(Table 9, Rubiño-Martín et al. 2023).
We follow the same procedure and data processing pipeline that

is currently being used in all QUĲOTE-MFI analyses dealing with

raster observations (Tramonte et al. 2023; Guidi et al. 2023), so data
are carefully inspected to identify and remove periods affected by
systematic effects, in particular Radio Frequency Interference (RFI)
and atmospheric contamination. With this aim, we produced Stokes
IQUmaps per horn and frequency of each individual observation and
analysed their quality, first by eye and then by calculating their noise
RMS. This allows us to identify particularly bad observations, which
would degrade the final map quality. These are removed and not used
to produce the stacked map. However, in the case of M31, this data
cleaning on the maps was not sufficient, since those at 11GHz in
particular still presented clear signs of RFI, producing obvious strip-
ing along constant-declination directions. We then implemented an
additional step consisting in combining the data in groups of azimuth
and elevation. We then produced stacks of data for each group per
horn and frequency by averaging the data in bins in azimuth. In these
stacks local signals clearly show up as bumps at specificAZ ranges. A
template could then be built and removed from each scan, but we pre-
ferred to follow a more conservative approach and instead removed
specific azimuth ranges of horns and frequencies that presented signs
of RFI. On top of this, all observations performed at AZ< 180◦ and
EL≈ 32◦ were removed as they presented particularly strong RFI that
was very difficult to correct. All these processes resulted in removing
37% of the 11GHz data and 33% of the 13 GHz data, as indicated
in Table 3, even though raster data account for more than 90% of the
data considered in the final maps.

2.2 WMAP / Planck / DIRBE

We used the Wilkinson Microwave Anisotropy Probe (WMAP, Ben-
nett et al. 2013) 9-year and Planck DR3 2018 maps (Planck Col-
laboration et al. 2020a). We also used the zodiacal light subtracted
version of COBE Diffuse Infrared Background Experiment (COBE-
DIRBE, Hauser et al. 1998) maps at 240, 140 and 100 `m. WMAP
and COBE-DIRBE data are available in the Legacy Archive for Mi-

MNRAS 000, 1–16 (2023)
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Figure 1. QUĲOTE-MFI 11GHz intensity (top row) and hit 𝑁hits (bottom row) maps for the Wide Survey (WS) release (left column), and WS plus raster scan
data on the M31 field (right column). The hits are defined as 40ms samples in a HEALPixmap of 𝑁side = 512. The new raster data account for an exposure time
approximately 10 times longer than that from the WS. Therefore, the uncertainty of the intensity map decreases by a factor greater than 3. The elliptical and
rectangular regions in black are those used to compute M31 density fluxes (and their uncertainties) shown in Table 1 and used in Section 4. The photometric
results in these maps using those regions are also quoted in the top row maps. In the bottom row maps we can see how the exposure time increases by an order
of magnitude when including the raster data with that from the WS.

Table 2. Sensitivity estimates computed from a 3-degree radius circular region around M31 on Half Mission Difference Maps (HMDM), as is done in
Rubiño-Martín et al. (2023). Estimates are in units of `K deg−1. The estimates from the WS maps alone are also shown for comparison.

H2 17GHz H2 19GHz H3 11GHz H3 13GHz H4 17GHz H4 19GHz

I WS + Raster 52.3 65.5 37.3 24.8 171.0 172.0
WS 173.4 204.8 96.9 69.0 217.8 237.2

Q WS + Raster 41.2 54.1 13.4 11.1 12.4 10.8
WS 62.2 78.2 45.6 39.1 36.4 38.9

U WS + Raster 42.0 52.9 13.9 11.3 11.8 11.1
WS 62.0 77.9 45.6 39.2 36.4 39.1

Table 3. Description of the QUĲOTE-MFI raster scans dedicated to M31. Third and fourth columns refer to the total amount of scans and time devoted to
observe the M31 field, respectively. The fifth column shows the fraction of those scans (or time) that are merged together with the data from the WS. The last
column shows the fraction of time coming from the WS (Rubiño-Martín et al. 2023) over the total after adding the raster data.

Frequency Observing dates Total number Total observing Selected time fraction WS time fraction
(GHz) of scans time (h) (per cent) (per cent)

11.2 May - December 2016 931 539.1 62.8 8.9
12.9 67.1 7.7

MNRAS 000, 1–16 (2023)
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crowave Background Data Analysis (LAMBDA3), while Planck data
are available through the Planck Legacy Archive (PLA4). The cali-
bration uncertainties for WMAP and those Planck bands calibrated
against the CMB dipole (up to 353GHz included) are increased to 3
per cent.5 Note that, nominally, WMAP and Planck data have much
better (sub-percent) uncertainties. However, we decided to use more
conservative values to account not only for the global gain calibra-
tion uncertainties but also for issues related with beam inaccuracies
or colour corrections. These values are the same as those used in
recent QUĲOTE papers (e.g., Poidevin et al. 2023; Tramonte et al.
2023; Lopez-Caraballo et al. 2023) or in other papers (e.g., Planck
Collaboration et al. 2014). Planck maps at 100 and 217GHz are not
used because of contamination by CO residuals.

2.3 Other ancillary surveys

We also used three low-frequency surveys covering the M31 region:
the Haslam et al. (1982) map at 0.408GHz, the Berkhuĳsen (1972)
map at 0.820GHz and the Reich et al. (2001) map at 1.42GHz. We
increased the calibration uncertainty from Berkhuĳsen (1972) from
6 to 10% to account for the fact that its parent angular resolution
(72′) is slightly larger than the usual 1-degree resolution used in
this analysis. Besides, the Reich et al. (2001) map requires applying
a recalibration factor when studying structures on the main beam
scale. This is normally assumed to be 1.55 (e.g., Reich & Reich
1988) when studying point sources, but decreases when focusing on
resolved objects such as M31. Therefore, we kept the 1.3 value used
by Planck Collaboration et al. (2015b) and increased its calibration
uncertainty to 20%.Weused theRemazeilles et al. (2015) and Paradis
et al. (2012) reprocessed versions of the Haslam et al. (1982) and
Reich et al. (2001) maps respectively. The three maps described in
this section are available in the LAMBDA repository.

2.4 High resolution surveys

Several telescopes have observed M31 with arcminute resolution in
the past. A review of these observations is presented in Berkhui-
jsen et al. (2003). However, the fields covered are too small to be
introduced into the analysis. The same happens for SRT data from
B19 and Fatigoni et al. (2021): when smoothing the data to 1 degree
resolutions, artefacts due to the presence of edges in the image may
arise, which further complicate the analysis. Because of this, we are
not using any of this higher resolution data in our analysis and the
final set of maps used to constrain the SEDs described in Section 3
is the one from Table 1. We provide only qualitative comparisons to
these higher resolution analyses.

3 METHODOLOGY

3.1 SED modelling

We have considered up to four different emission components in this
study: synchrotron, free-free, AME and thermal dust. These are mod-
elled as in Fernández-Torreiro et al. (2023), with the main difference
being the lack of a component accounting for CMB anisotropies.

3 https://lambda.gsfc.nasa.gov
4 http://pla.esac.esa.int/pla/
5 Planck-HFI 545 and 857GHz bands, which are calibrated using planets,
have calibration uncertainties greater than 6%.

Instead, we subtract the CMB anisotropies using the NILC (see Sec-
tion 3.5, Planck Collaboration et al. 2020b) map. Therefore, the flux
density at frequency a is described as:

𝑆totala (\) = 𝑆
syn
a (𝐴1GHz, 𝛼syn) + 𝑆ffa (EM)

+ 𝑆AMEa (𝐴AME, aAME,𝑊AME)

+ 𝑆dusta (𝜏353, 𝛽d, 𝑇d)

= 𝐴1GHz
( a

1 GHz

)𝛼syn
+ 2𝑘Ba

2

𝑐2
Ω𝑇ff

+ 𝐴AMEexp
[
− 1
2𝑊AME2

ln2
(

a

aAME

)]
+ 2ha

3

𝑐2

( a

353GHz

)𝛽d
𝜏353

(
eha/𝑘B𝑇d − 1

)−1
Ω,

(1)

where 𝐴1GHz stands for the synchrotron flux density at 1GHz and
𝛼syn for the synchrotron spectral index; EM for the emission mea-
sure, which is used in the definition of 𝑇ff ; 𝐴AME, aAME and𝑊AME
for the AME peak flux density, frequency and width; and 𝜏353, 𝛽d
and 𝑇d for the opacity, the spectral index and the dust grain temper-
ature, respectively, which describe the spectrum of the thermal dust
emission. Ω accounts for the solid angle of the M31 aperture (which
is the same used in B19): Ω = 4.38 deg2.

3.2 Aperture photometry

We adopt the same M31 aperture used in B19: an ellipse with semi-
axes 91.5′and 59.5′, position angle −52◦(east-to-north) and centred
on (RAJ2000, DecJ2000) = (10.68◦, 41.27◦).6 Our background aper-
ture is defined as those pixels also present in the B19 SRT image
outside the M31 ellipse: this defines a rectangle with edges located
at RAJ2000 = (9.15◦, 12.25◦) and DECJ2000 = (39.74◦, 42.82◦).
We decided to keep the source and background regions identical to
those in B19 not only to provide a direct comparison with that study,
but also to be able to use the point source catalogue released later
by Fatigoni et al. (2021). Both M31 and background apertures can
be seen in Figure 2. We computed M31 flux densities as in previ-
ous studies (e.g. Rubiño-Martín et al. 2012; Génova-Santos et al.
2017; Fernández-Torreiro et al. 2023) by using the mean and the me-
dian values within the source and background apertures respectively
(Eq. 2). The uncertainty for these flux densities are computed from
the standard deviations within the background aperture (Eq. 3):

𝑆a = 𝑎(a)Ω𝑇 =
2𝑘Ba2

𝑐2
𝑥2e𝑥

(e𝑥 − 1)2
Ω

[
𝑇aper −med(𝑇BG)

]
(2)

𝜎AP = 𝑎(a)Ω𝜎(𝑇BG)
√︂

𝑛beam
𝑛aper

+ 𝜋

2
𝑛beam
𝑛BG

(3)

where 𝑛beam is the number of pixels within a one 1 degree beam,
while 𝑛aper and 𝑛BG are the number of pixels within M31 and the
background apertures respectively. We add this factor because of the
assumption that the noise is completely correlated on beam scales:
this is a conservative way of estimating the uncertainties for aperture
photometry studies (Génova-Santos et al. 2015, 2017).

6 SIMBAD coordinates.

MNRAS 000, 1–16 (2023)
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Figure 2. Examples of maps before and after CMB and point source subtraction. The first column shows the original maps, while the second shows the maps
after subtracting the CMB. The third column shows the emission from point sources at the frequencies of the maps. The last column shows the final processed
maps, which are used to compute the flux densities. The different rows host different maps: from top to bottom, those are Reich at 1.42GHz, QUĲOTE-MFI
at 11.2GHzand 12.9GHz, WMAP at 22.8GHz and Planck-HFI at 143GHz. The elliptical aperture used to extract M31 flux is shown as a solid line. The
rectangular region marked by the dashed line is used to compute the background emission level. All maps have mK units. The colourbar levels for the point
sources maps are fixed at 25% of the amplitude of the colourbar in the original maps. In WMAP K and MFI 11GHz maps, it is clear how B3 0035+413
(Section 3.4.1) emission distorts the elliptical morphology of M31 as seen in SRT (Fig. 3) or thermal dust (143GHz, bottom row) maps. This morphology is
recovered after subtracting the source, as can be seen in the last column. The most important correction for the 143GHz map, however, is the CMB anisotropy
subtraction.

3.3 MCMC

We ran several Maximum Likelihood Estimator (MLE) analyses us-
ing Markov Chain Monte Carlo (MCMC) samplers for various sce-
narios, using emcee (Foreman-Mackey et al. 2013). Each of these
MCMCs ran for a fixed length of 𝑁 = 105 steps. Once they ended,
the convergence of the chains was assessed by computing their au-
tocorrelation times, 𝜏. The chains have converged if 𝜏 < 𝑁/50: all
cases fullfilled this requirement. Colour corrections (cc) are embed-
ded within the MCMC log-likelihood (logL) and computed itera-
tively, using fastcc and interpcc from Peel et al. (2022), as in the
following equation:

logL = −0.5 ·
(
S − Stotal (\)

cc

)T
C−1

(
S − Stotal (\)

cc

)
, (4)

where S and Stotal (\) stand for the measured and expected flux den-
sities. C is the covariance matrix between the surveys, which has all

its off-diagonal elements equal to zero except for those correspond-
ing to the 11 and 13GHz maps, whose noise is partially correlated.
Further details on this methodology are available in Section 3.3.2 of
Fernández-Torreiro et al. (2023). We use the same flat minimal priors
on the parameter posteriors as in that study.

3.4 Point source subtraction

We used the catalogue from Fatigoni et al. (2021)7 to subtract the
point sources within the SRT M31 observed field (Fig. 3). The cata-
logue provides the flux density at aref = 1GHz (𝐴) plus a constant
spectral index (𝛼) and a curvature parameter (𝑘), so the flux density

7 https://cdsarc.cds.unistra.fr/viz-bin/cat/J/A+A/651/A98
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at a frequency a is defined as:

𝑆 = 𝐴

(
a

aref

)𝛼
exp

[
𝑘

(
a

aref

)−1]
. (5)

3.4.1 B3 0035+413 variability

One of the point sources, B3 0035+413 (or 5C+3.50), required de-
tailed analysis for two reasons. First, its spectral index is one of the
flattest in the full catalogue, with 𝛼 = −0.08,8 compared to the me-
dian value 𝛼 = −0.78 across all sources. This, together with its high
flux density, implies that this source remains bright for many of the
frequency bands studied. It has a null curvature (𝑘 = 0) estimate. It
is clear in Fig. 2 how the morphology of M31 in the WMAP K map
resembles the ellipse seen in SRT or thermal dust data only once the
emission from this source is subtracted. Second, this is a variable
source: excess emission was recorded by the 40 m telescope at the
Owens Valley Radio Observatory (OVRO) at 15GHz between 2009
and 2012 (Richards et al. 2011), increasing from 0.45 to 0.55 Jy.
This excess overlaps in time with Planck observations and therefore
accounts for 20% of its flux before the event. It is impossible to know
the exact behaviour of this source over the whole time span covered
by the surveys depicted in Table 1 (from the ’80s well into the 2010s).
Besides, variations can be limited to only part of the source spectra.
Therefore, we decided to estimate the change in the photometric re-
sults induced by large variations (worst case scenario) of this source
flux, and increase the uncertainties accordingly.
We ran a set of 104 simulations for this source, defining its am-

plitude at 6.6GHz from a random Gaussian realization assuming a
𝜎 equal to 20% of the measured flux in the Fatigoni et al. (2021)
catalogue. We maintained the spectral index constant. This ampli-
tude is computed at every map frequency following Eq. 5 and then
projected onto a map for each frequency assuming the SRT FWHM
beam. These maps are smoothed to 1 degree resolution and trans-
formed to HEALPixmaps. These maps, which contain only the signal
from point sources, are then subtracted to the frequency maps. We
performed aperture photometry on these final maps, as explained in
Section 3.2, and assessed the changes in the extracted flux density
for the full M31 aperture. We found that this 20% 𝜎 variability trans-
lates into less than a 3% change in the flux computed at WMAP
K, this band being theone most affected. Therefore, we addition-
ally increased the flux density uncertainties for all the bands by a
conservative 5% factor to account for this variability.

3.5 Subtraction of CMB anisotropies

The contribution of CMB anisotropies to the global SED of M31
is not negligible, as can be seen in the Planck 143GHz maps in the
bottom row of Figure 2. In fact, given the relatively large angular size
ofM31 and its lowflux density, CMBanisotropiesmake an important
contribution to the uncertainty in the measured flux densities. As
mentioned in Section 2, we used 1-degree smoothed maps in this
study: at that scale, CMB anisotropies show an RMS of ≈ 80 `K.
When translated into flux density, that uncertainty value dominates
over the dispersion of the rest of the emission from the background
region. It is thus preferable first to subtract the CMB anisotropies
and then fit for the other components at the SED level. Several maps
tracing CMB anisotropies exist, but we focused on the four official

8 No uncertainties are provided in the catalogue.

Planck collaboration CMBmaps, from SMICA, NILC, SEVEM and
COMMANDER methods (Planck Collaboration et al. 2020b).
In order to study to what degree the results presented in this paper

could be affected by the selection of the CMB component-separated
map, ran our analysis using the four aforementioned CMB maps.
First, we used SMICA, following the methodology of B19. We found
that the SMICA CMB integrated contribution in the M31 region
was the least important of the four maps (−5.2 `K). This estimate
(and those for the the other maps quoted later on) was computed as
the mean temperature within the M31 aperture minus the median of
the background region, as explained for the aperture photometry in
Section 3.2. COMMANDER is the opposite case: its estimate is the
most important of the four (−8.6 `K). NILC and SEVEM yielded
similar CMB mean temperatures, which sit between the SMICA and
COMMANDER values (−6.9 `K and −7.0 `K): we decided to use
NILC after performing a visual inspection of the maps (there are
visible residuals in SEVEM on the M31 outer ring). Besides, using
any of the extreme values (SMICA or COMMANDER) could bias
the AME estimation to high or low values, as the subtracted CMB
flux from the M31 aperture is as important as the emission from the
galaxy itself. Finally, in order to reflect uncertainties associated with
the subtraction of the CMB anisotropies, the error bar derived from
Eq. 3 was increased by adding in quadrature the standard deviation
of the integrated CMB anisotropy estimates from the previous maps
(1.23 `K). In this way, the error budget of the flux density estimates
increases mostly in the spectral range where the CMB contribution
is important.

4 RESULTS

We recover the AME peak flux density parameter, 𝐴AME, in M31
with a 3.5𝜎 significance, as can be seen in Table 4 and Fig. 4:
𝐴AME = 1.06±0.30 Jy.At 25GHz,we estimate theAMEflux density
to be 0.87±0.32 Jy, 1.6𝜎 below the value of 1.45±0.18 Jy quoted by
B19. The reason for this difference could be that our measured flux
densities between 10 and 60GHz (where AME is expected to bemost
important) are lower than those fromB19, probably due to differences
in the filtering of the ancillary data together with the different choices
for the CMB map (B19 used SMICA while we are using NILC, as
explained in Section 3.5). For example, our photometry estimate for
Planck 28.4GHz band is 74% than that from B19: correcting for that
factor, our 𝑆AME estimates at 25GHz would increase to 1.2 Jy, closer
to those from B19. The corner plot showing the parameter posteriors
used to build the previous SED is shown in Figure 5.
Our fitted synchrotron spectral index, 𝛼syn = −0.99 ± 0.21, is

consistent with those obtained by Berkhuĳsen et al. (2003), −1.0 ±
0.2, and Planck Collaboration et al. (2015b), −0.92 ± 0.16. It is
flatter than the value obtained by B19, 𝛼syn = −1.1 ± 0.1, although,
owing to parameter degeneracies, the uncertainty in this parameter is
great, and the difference between both estimates is within 1𝜎. This
is because of the lack of data with good calibration uncertainties
below 10GHz. The study of B19 benefitted from the addition of
the SRT data point at 6.6GHz, which is critical to alleviating the
degeneracy between the synchrotron and free–free components. It is
worth noting that the value of our fit at 6.6GHz is not too different
from the one quoted in the analysis of B19: our flux density estimate
value is 1.63 ± 0.34 Jy compared to 1.199 ± 0.087 Jy from B19.
The amplitude of the free–free component is consistent with a

non-detection within 2𝜎 in both our study and that of B19. Thus, we
repeated our analysis without taking this component into account.
The absence of a free–free contribution is compensated by a slightly

MNRAS 000, 1–16 (2023)
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Figure 3. Left: M31 map obtained with the SRT at 6.6GHz before subtracting point sources. Point sources are indicated with black circles. Middle: point sources
map at 6.6GHz SRT resolution (2.9′), according to Fatigoni et al. (2021). Right: M31 map after subtracting the point sources. In this last map, the opacity for
the point source markers is directly proportional to their amplitude at 6.6GHz.

wider AME component: 𝑊AME = 0.65 ± 0.16 now, as compared
to 𝑊AME = 0.57 ± 0.15 when free–free was considered.9 However,
most AME theory models (SPDUST, Ali-Haïmoud et al. 2009; Sils-
bee et al. 2011) expect values for 𝑊AME smaller than 0.6. Previous
studies have resolved this issue by adding a second AME compo-
nent (e.g. Planck Collaboration et al. 2016a). However, in the case
of the integrated emission from a galaxy like ours, we expect a large
number of AME emitting regions with different spectral parameters
within our aperture, leading to a broadening of the integrated AME
distribution. We tried to fit a second AME component, but found that
the MCMC chains stopped converging and the parameters defining
this new component were not properly constrained. In conclusion,
we decided to use as the default model in this analysis the one with
free–free emission, even though its 𝜒2red value is slightly higher than
the value when no free–free is considered (0.46 vs. 0.73, 𝜒2red being
systematically smaller than 1 most probably owing to an overesti-
mation of the photometry uncertainties). This decision is based on
the fact that we know, from different kinds of observational evidence
(e.g. the presence of star formation or H𝛼 emission), that free–free
emission originating in M31 must exist.
Finally, we repeated the analysis without the AME component

to ensure that AME in M31 could not be mistaken for free–free
emission. The 𝜒2red value obtained in that case is at least a factor 2.5
worse than any of the two other scenarios where an AME component
is introduced (Table 4). The fit also clearly fails to reproduce the

9 In fact, we can see in the corner plot (Fig. 5) that the free–free amplitude and
𝑊AME are slightly anticorrelated. Large values of 𝑊AME imply wide AME
distributions that could resemble power-law distributions similar to free–free
between 10 and 60GHz, where AME is most important.

data between 10 and 100GHz, as can be seen in the bottom panel of
Figure 6.
The 𝜒2red values in Table 4 are computed using the median values

from the distributions of the parameter posteriors shown in Figure 5.
These median values are those quoted in the table, except for 𝛼syn,
where the peak of the posterior is used (because of its more important
asymmetry). The worst fit is the one for which no AME component
is considered.
When evaluated on a 𝜒2 probability distribution with one degree

of freedom, the probability that the model without AME is able to
explain the data is 17.5% (using its 𝜒2red = 1.89 value). We also
used the Akaike information criterion (AIC, Akaike 1974) and the
Bayesian information criterion (BIC, Schwarz 1978) to compare the
goodness of the fits with and without AME. This was done in order
to account for the non-Gaussianity of the likelihood, mostly due to
the presence of non-linear parameters in the SED fitting (e.g. the
synchrotron spectral index). AIC and BIC are computed as follows:

AIC = 2𝑘 − 2 logL
BIC = 𝑘 log(𝑛) − 2 logL,

(6)

where 𝑘 stands for the number of fitted parameters, while 𝑛 is the
number of data points introduced in the fit. logL is the maximum
log-likelihood value computed within the MCMC, as explained in
Section 3.3 and Eq. 4. Larger differences on the AIC or BIC estimates
from two models will imply a heavier preference of the data for the
one of the two compared models with a lower value. The main
difference between the two is that the BIC penalizes the addition of
parameters more heavily than the AIC. We compare the case with
all the components and the case without AME, as we previously

MNRAS 000, 1–16 (2023)
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explained that the case with no free–free component is not physical:

AICall = 23.9; AICnoAME = 36.95
BICall = 32.8; BICnoAME = 42.9.

According to the AIC, the relative likelihood of the model without
an AME component compared to the model with all components
considered is:

exp((AICall − AICnoAME)/2) = 0.0014

and the model with AME is strongly preferred. When using the BIC,
we found the relative likelihood of the model without AME to be:

exp((BICall − BICnoAME)/2) = 0.0064,

almost a factor 5 larger. This is consistent with BIC penalizing the
larger number of parameters considered in the case with all compo-
nents, compared to that without AME. However, the model without
AME is still below 0.01 times as probable as that with AME, pointing
to a strong preference for the latter.

4.1 The global properties of M31 compared to the Milky Way

As pointed out in Section 1,M31 is the galaxymost similar to theMW
in the Local Group. Therefore, it is straightforward to compare the
properties between the two, especially for AME, which is the main
focus of our study. First, we computed theAMEemissivity forM31 as
done in Fernández-Torreiro et al. (2023), i.e. as the ratio between the
AME intensity at 28.4GHz (in temperature units) and the dust inten-
sity at 100 `m from the fit. This ratio cancels the dependence on the
column density, present in bothAME and thermal dust emission, thus
allowing us to compare regions with extremely different morpholo-
gies. Differences between B19 and this work on dust parameters
arise because of the different surveys used (Herschel and COBE-
DIRBE, respectively). We find 𝜖28.4GHzAME = 9.11±2.87 `K/(MJy/sr),
and compare it to the results for the MW both from the Planck col-
laboration (Planck Collaboration et al. 2015a) and also Section 4.2 of
Fernández-Torreiro et al. (2023). Planck Collaboration et al. (2015a)
quoted a 9.8 ± 0.5 `K/(MJy/sr) value for the MW, fully consistent
with our M31 result, while Fernández-Torreiro et al. (2023) returns
a lower value, yet still consistent (owing to the large uncertainty) of
𝜖28.4GHzAME = 8.84 ± 3.77 `K/(MJy/sr).10
When computing the AME fraction at 28.4GHz we find that

𝑆28.4GHzAME /𝑆28.4GHztotal = 0.56 ± 0.16. This is slightly greater than the
values obtained by Fernández-Torreiro et al. (2023) and Planck Col-
laboration et al. (2015a), 0.46 ± 0.08 and 0.45 ± 0.01 respectively,
although it is consistent towithin 1𝜎, owing to the greater uncertainty
in the M31 estimate. Finally, when focusing on the synchrotron spec-
tral index, we find consistent estimates between M31 and the MW
of −0.99 ± 0.21 and −0.94 ± 0.10 (Fernández-Torreiro et al. 2023)
respectively.

4.2 QUĲOTE-MFI M31 upper limits on polarization

As explained in Section 2.1, the M31 field has the best sensitivity
values (shown in Table 2) of all the fields studied by QUĲOTE-MFI
so far, being slightly better than those from the Haze (Guidi et al.
2023) andW49,W51 and IC443 (Tramonte et al. 2023) fields. This is
because of the long integration time devoted to those region. Stokes
𝑄 and𝑈 maps are displayed in Figure 7.

10 Although this estimate increases when only those pixels with strong AME
detections are used, up to 𝜖 28.4GHzAME = 11.62 ± 3.45 `K/(MJy/sr)

Given the lack of any detectable polarized signal towards M31
on the QUĲOTE-MFI maps, we derived upper limits on its global
polarized flux density. Using the same photometric approach and
apertures as for intensity (Section 3.2), the measured Stokes 𝑄 and
𝑈 parameters are −0.046 ± 0.061 Jy and 0.115 ± 0.67 Jy at 11GHz,
and −0.122 ± 0.050 Jy and 0.088 ± 0.061 Jy at 13GHz. Except for
the 𝑄 value at 13GHz showing a marginal detection, they are statis-
tically consistent with zero. These variations are a factor 100 greater
than those measured on NILC 𝑄 and 𝑈 maps (0.1mK vs 0.001mK
respectively). Taking the measured values as upper limits, the debi-
ased11 polarized intensity estimates, 𝑃, are < 0.22 Jy and < 0.18 Jy,
respectively at 11 and 13GHz. The flux density estimates at 11 and
13GHz being 1.79 ± 0.30 Jy and 1.94 ± 0.36 Jy (after subtracting
both the point sources and the CMB, as shown in Table 1), the polar-
ization fractions for the integratedM31 flux density are below 12.5%
and 9.6%, respectively, for a 95% confidence limit. Considering the
AME contribution to the total flux in intensity, the polarization frac-
tion upper limits derived from this analysis are6 30% at 11GHz and
6 20% at 13GHz. Although this upper limit is an order of magni-
tude greater than the most stringent ones obtained from the analysis
of AME sources in the MW (e.g., Génova-Santos et al. 2017; Tra-
monte et al. 2023; González-González et al. 2023), this is the first
time that a limit on the AME polarization has been obtained for an
extragalactic object.

5 ROBUSTNESS TESTS

5.1 QUĲOTE-MFI role in the fitting

We repeated the former analyses without taking into account the
data from QUĲOTE-MFI. In this way, we can assess its constrain-
ing power. We show the results in Table 5 and the corresponding
SEDs in Figure 8. The significance of the measurement of 𝐴AME
is slightly reduced to 3.5𝜎 when the QUĲOTE-MFI data are not
used. The AME amplitude, 𝐴AME, does not greatly change: it is now
1.04 ± 0.31 Jy compared to the previous value of 1.06 ± 0.30 Jy.
However, AME spectral parameters are now less constrained. The
AME peak frequency, aAME, is 19.48± 5.48GHz now, compared to
17.28±3.08GHzwhen usingQUĲOTE-MFI data. The change is not
as important for the AMEwidth,𝑊AME, as it is 0.50±0.19 now com-
pared to the previous value of 0.57±0.15. Therefore, QUĲOTE-MFI
data addition significantly reduces (almost by a factor 2) the uncer-
tainty of the aAME parameter. Finally, we can see that the model
providing the worst fit to the data is again the one trying to account
for all emission with just synchrotron and free–free components and
no AME component.

5.2 Source subtraction effect

In the same way as in the previous subsection, we repeated our
analysis of the maps with no point source subtraction applied, but
keeping QUĲOTE-MFI. This was done in order to assess if this
correction is mandatory for achieving an AME detection. Results for
this case are shown in Table 6 and the corresponding SEDs are shown
in Figure 9. As was the case when discarding QUĲOTE-MFI data,
the uncertainties for the AME parameters increased, thus reducing
the significances for those parameters. The significance of 𝐴AME is
now significantly lower: 2.4𝜎. aAME and𝑊AME values do not change
significantly frommain case presented in Section 4: 19.38±3.91GHz

11 Computed following Vaillancourt (2006) and Rubiño-Martín et al. (2012).
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Figure 4. Fitted SED in M31, considering all components defined in Section 3.1. Each of the solid lines account for an emission component (blue: synchrotron,
green: free–free, red: AME, purple: thermal dust). Grey lines show different realizations of the MCMC, taken from the posteriors from Figure 5. Photometry
estimates are plotted before and after applying colour corrections (cc); values for the no cc case are given in Table 1. The parameters describing the different
cases are shown in Table 4. The scaled emission from Berkhuĳsen et al. (2003) shown here is calculated using the spectral index of the full emission, not the
one for synchrotron alone. The photometry estimate from B19 at 6.6GHz is shown for comparison only: it was not used in this fit or in any of the following,
although its estimate is consistent with our model estimate at that frequency.

Table 4. Comparison between the results for the different cases considered, shown in Figures 4 and 6.

Case 1 (all components) Case 2 (no AME) Case 3 (no free-free) From Battistelli et al. (2019)

𝑆1GHz (Jy) 5.90 ± 1.02 7.22 ± 0.91 6.45 ± 1.02 6.97 ± 0.54
𝛼syn −0.99 ± 0.21 −0.62 ± 0.06 −0.82 ± 0.20 −1.1 ± 0.1

EM (pc / cm6) 2.63 ± 1.53 2.79 ± 1.76 - -
𝑆ff1GHz (Jy) 0.38 ± 0.22 0.40 ± 0.25 - 0.33 ± 0.26
𝐴AME [Jy] 1.06 ± 0.30 - 1.22 ± 0.35 -
aAME [GHz] 17.28 ± 3.08 - 17.69 ± 3.21 -

𝑊AME 0.57 ± 0.15 - 0.65 ± 0.16 -
𝑆AME @ 25GHz (Jy) 0.86 ± 0.31 - 1.06 ± 0.35 1.45 ± 0.18

𝜏353 (10−6) 3.80 ± 0.35 3.87 ± 0.36 3.78 ± 0.35 -
𝛽d 1.72 ± 0.09 1.81 ± 0.09 1.68 ± 0.08 1.49 ± 0.056

𝑇d [K] 18.45 ± 0.81 17.87 ± 0.77 18.65 ± 0.82 18.8 ± 0.54
𝑆dust3000GHz (Jy) 3229 ± 1162 3121 ± 1128 3249 ± 1153 3180 ± 230

𝜒2red 0.74 1.89 0.46 0.36

and 0.57 ± 0.24, respectively, compared to 17.28 ± 3.08GHz and
0.57 ± 0.15.

5.3 Impact from changes in the background aperture

Finally, we repeated the analysis using the same elliptical regions
used in Harper et al. (2023), which is also similar to the one intro-
duced in Planck Collaboration et al. (2015b). These regions have
major semiaxes equal to 100, 110 and 154 arcminutes, the last two
being the inner and outer radii of the ring enclosing the background
region. The minor-to-major ratio is 0.7 for all three, with an east-to-
north position angle equal to −45◦. When comparing with Planck
Collaboration et al. (2015b), we are introducing the MFI data and

subtracting the CMB using NILC as a template (plus adding an un-
certainty term to account for the dispersion in the values of the CMB
templates, as explained in Section 3.5). Our main difference with
Harper et al. (2023) is the addition of the QUĲOTE-MFI raster data
presented in Section 2.1, while we lack the point from C-BASS at
5GHz. That paper also used SMICA instead of NILC to account for
CMB anisotropies: we found that SMICA systematically returned
higher estimates for the AME than the rest of maps (following the
discussion in Section 3.5). We are also not keeping the point source
subtraction because of the paucity of objects in Fatigoni et al. (2021)
outside the SRT M31 field. Results are shown in Table 7 (where we
show the case fromHarper et al. 2023 with no subtraction of sources,
as it is more similar to our analysis) and the corresponding SEDs in
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Figure 5. Corner plot example, from the case considering all emission components (i.e. the one also shown in Figure 4). We can see how the most important
degeneracies (aside from the one between the thermal dust components, which are related to the modelling) are those between the AME amplitude (𝐴AME) and
the free–free one (EM), but EM is also degenerate with𝑊AME. This degeneracy arises because a wide enough AME component would resemble the behaviour
of a flat power law (similar to a free–free component) for those frequencies where free–free is most important (between 5 and 100GHz).

Figure 10. We recover an AME estimate with reduced significance
(2.2𝜎) only: 0.74 ± 0.34 Jy.

We find that the result in our study for the synchrotron index,
𝛼syn, is slightly flatter than those of Berkhuĳsen et al. (2003) and
Planck Collaboration et al. (2015b) (−0.77± 0.13 vs. −1.0± 0.2 and
−0.92±0.16 repectively), but steeper than that of Harper et al. (2023)
(−0.63 ± 0.05). The synchrotron amplitude, 𝐴1GHz is consistent be-
tween this study and Planck Collaboration et al. (2015b) and Harper
et al. (2023): 9.55 ± 1.25 Jy vs. 9.5 ± 1.1 and 9.7 ± 0.6, respectively.
Our free–free estimate is larger, although consistent with a non detec-
tion to within 2𝜎 too: 4.21± 2.58 pc cm−6 vs. 1.8± 1.3 pc cm−6 and

1.1 ± 0.8 pc cm−6. We get a similar consistency in the AME ampli-
tude with Planck Collaboration et al. (2015b) (𝑆30GHzAME = 0.59±0.34
Jy vs. 𝑆30GHzAME = 0.7 ± 0.3 Jy), and the value from Harper et al.
(2023) (0.32±0.11 Jy) is within 1𝜎. The AME peak frequency value
increased slightly from Section 4 to aAME = 20.80 ± 4.34GHz,
while AME width decreased to 𝑊AME = 0.56 ± 0.25. Harper et al.
(2023) found a higher value for aAME, 25 ± 2GHz. However, one
must take into account that our model includes an additional free
varying parameter driving the width of the AME distribution. On
the other hand, both Planck Collaboration et al. (2015b) and Harper
et al. (2023) fixed this value by assuming that the AME was fully ex-
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Table 5. Same as Table 4, but without taking into account QUĲOTE-MFI data.

Case 1 (all components) Case 2 (no AME) Case 3 (no free-free) From Battistelli et al. (2019)

𝑆1GHz (Jy) 5.83 ± 1.02 7.46 ± 0.97 6.45 ± 1.04 6.97 ± 0.54
𝛼syn −0.93 ± 0.21 −0.62 ± 0.06 −0.83 ± 0.20 −1.1 ± 0.1

EM (pc / cm6) 2.74 ± 1.55 2.47 ± 1.63 - -
𝑆ff1GHz (Jy) 0.40 ± 0.22 0.36 ± 0.24 - 0.33 ± 0.26
𝐴AME [Jy] 1.04 ± 0.31 - 1.23 ± 0.33 -
aAME [GHz] 19.48 ± 5.48 - 19.01 ± 5.48 -

𝑊AME 0.50 ± 0.19 - 0.60 ± 0.21 -
𝑆AME @ 25GHz (Jy) 0.92 ± 0.38 - 1.10 ± 0.39 1.45 ± 0.18

𝜏353 (10−6) 3.79 ± 0.36 3.89 ± 0.38 3.77 ± 0.34 -
𝛽d 1.71 ± 0.09 1.81 ± 0.09 1.68 ± 0.08 1.49 ± 0.056

𝑇d [K] 18.50 ± 0.82 17.90 ± 0.81 18.71 ± 0.81 18.8 ± 0.54
𝑆dust3000GHz (Jy) 3252 ± 1169 3167 ± 1201 3282 ± 1149 3180 ± 230

𝜒2red 0.66 1.97 0.47 0.36

Table 6. Same as Table 4, but with no point source subtraction applied.

Case 1 (all components) Case 2 (no AME) Case 3 (no free-free) From Battistelli et al. (2019)

𝑆1GHz (Jy) 7.18 ± 1.14 7.80 ± 1.14 8.11 ± 1.06 6.97 ± 0.54
𝛼syn −0.83 ± 0.18 −0.61 ± 0.12 −0.69 ± 0.16 −1.1 ± 0.1

EM (pc / cm6) 4.86 ± 3.04 6.60 ± 3.76 - -
𝑆ff1GHz (Jy) 0.71 ± 0.44 0.97 ± 0.55 - 0.33 ± 0.26
𝐴AME [Jy] 0.85 ± 0.36 - 1.10 ± 0.45 -
aAME [GHz] 19.38 ± 3.91 - 20.21 ± 4.31 -

𝑊AME 0.57 ± 0.24 - 0.74 ± 0.27 -
𝑆AME @ 25GHz (Jy) 0.77 ± 0.35 - 1.06 ± 0.44 1.45 ± 0.18

𝜏353 (10−6) 3.73 ± 0.34 3.78 ± 0.35 3.74 ± 0.35 -
𝛽d 1.62 ± 0.09 1.69 ± 0.09 1.59 ± 0.09 1.49 ± 0.056

𝑇d [K] 19.02 ± 0.87 18.60 ± 0.82 19.28 ± 0.87 18.8 ± 0.54
𝑆dust3000GHz (Jy) 3332 ± 1201 3264 ± 1159 3405 ± 1201 3180 ± 230

𝜒2red 0.51 1.03 0.38 0.36

plained by a single template model (WIM andWNM templates from
SPDUST -Ali-Haïmoud et al. 2009; Silsbee et al. 2011-, respectively).
Our approach would be more similar to a galaxy hosting multiple
AME regions with different spectral dependencies.
Finally, the AME emissivity in this case can be also computed:

we find 𝑇30GHzAME /𝜏353 = 3.57+2.17−1.87 K/𝜏353, much higher than the one
obtained by Harper et al. (2023). The 𝜖28.4GHzAME estimate is lower than
that from Section 4.1, being 𝜖28.4GHzAME = 6.51+3.77−3.25 `KMJy

−1 sr, al-
though within 1𝜎, because of the large uncertainties. When eval-
uating our fit at C-BASS nominal frequency, 4.76GHz, we find
𝑆4.76GHz = 3.57 ± 0.56 Jy, the large dispersion being consistent
with the lack of data between 2–10GHz. This difference with the
value quoted in Harper et al. (2023) (4.06 ± 0.14 Jy) is between
the differences for 1.42GHz and QUĲOTE-MFI surveys (1.5 Jy and
0.55 Jy respectively). Note also that CBASS and QUĲOTE are cal-
ibrated using Tau A calibration scales that differ at 5GHz by ∼4%.
Recalibration to a common scale would contribute to decrease this
difference.

6 CONCLUSIONS

In this study we used new data from the QUĲOTE-MFI experiment
at 10–20GHz to study the Andromeda Galaxy (M31). We built the
integrated SED in intensity of M31 between 0.408 and 3000GHz,
and performed a component separation analysis after subtracting

the emission from CMB anisotropies and point sources in the re-
gion present in the Fatigoni et al. (2021) catalogue. We measure
the AME amplitude with a significance of 3.5𝜎 in the integrated
SED of M31, independently of the previous B19 detection. More-
over, our fitted model is consistent with the 6.6GHz measurement
provided by that study. The addition of QUĲOTE-MFI data im-
proves the definition of AME spectral parameters: its peak frequency,
aAME = 17.28 ± 3.08GHz, and width,𝑊AME = 0.57 ± 0.15. aAME
are low for most theoretical models but are consistent with most re-
cent studies pointing to aAME being below 21GHz (e.g. Harper et al.
2022; Fernández-Torreiro et al. 2023). However, 𝑊AME is slightly
greater than expected from theoretical models, but again consistent
with recent studies (e.g. Poidevin et al. 2023; Fernández-Torreiro
et al. 2023). This can be explained by the probable large number of
AME regions within M31 with different aAME and 𝑊AME values,
which naturally broaden the distribution of the integrated measure-
ment. However, the significance of the AME detection is not as
dependent on the QUĲOTE-MFI data addition as on the subtrac-
tion of point sources. The significance of the measurement of 𝐴AME
is still greater than 3𝜎 (3.5𝜎) when discarding the QUĲOTE-MFI
data, but this significance falls below 3𝜎 (2.2𝜎) when no point
source subtraction is applied. When studying the AME emissivity in
M31, we found 𝜖28.4GHzAME = 9.1 ± 2.9 `K/(MJy/sr) compared to the
𝜖28.4GHzAME = 8.8 ± 3.8 `K/(MJy/sr) estimate obtained by Fernández-
Torreiro et al. (2023) for the Milky Way, pointing to a similar AME
behaviour in both.
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Table 7. Same as Table 4, but using an elliptical aperture far from M31 as the background region. Point source subtraction was not applied in this case. This
is the scenario most similar to the analysis of Planck Collaboration et al. (2015b). We show the results of Harper et al. (2023) without applying the source
subtraction, as it is the most similar case to ours.

Case 1 (all components) Case 2 (no AME) Case 3 (no free-free) Planck Collaboration et al. (2015b) Harper et al. (2023)

𝑆1GHz (Jy) 9.55 ± 1.25 10.15 ± 1.21 10.64 ± 1.08 9.5 ± 1.1 9.7 ± 0.6
𝛼syn −0.77 ± 0.13 −0.61 ± 0.09 −0.66 ± 0.11 −0.92 ± 0.16 −0.63 ± 0.05

EM (pc / cm6) 4.21 ± 2.58 5.11 ± 3.00 - 1.8 ± 1.3 1.1 ± 0.8
𝑆ff1GHz (Jy) 0.79 ± 0.48 0.96 ± 0.56 - - -
𝐴AME [Jy] 0.74 ± 0.34 - 0.94 ± 0.44 - -
aAME [GHz] 20.80 ± 4.34 - 22.23 ± 4.41 - 25 ± 2

𝑊AME 0.56 ± 0.25 - 0.70 ± 0.29 - -
𝑆AME @ 30GHz (Jy) 0.59 ± 0.34 - 0.86 ± 0.44 0.7 ± 0.3 0.32 ± 0.11

𝜏353 (10−6) 3.36 ± 0.29 3.40 ± 0.29 3.33 ± 0.28 - -
𝛽d 1.62 ± 0.08 1.67 ± 0.08 1.59 ± 0.08 1.62 ± 0.11 1.76 ± 0.05

𝑇d [K] 19.02 ± 0.81 18.66 ± 0.77 19.25 ± 0.82 18.2 ± 1.0 17.3 ± 0.4
𝑆dust3000GHz (Jy) 3796 ± 1277 3702 ± 1227 3821 ± 1274 3340 ± 440 -

𝜒2red 1.20 1.46 1.00 1.1 2.6
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Figure 6. SameM31 SED as in Fig. 4, but nowwithout a free–free component
(top), and finally without an AME component (bottom panel). The parameters
describing the different cases are shown in Table 4.

We also provide a similar comparison to Harper et al. (2023),
who recently measured AME in M31 again, although with much
lower amplitude than the previous studies of B19 and also Planck
Collaboration et al. (2015b). This also produced an AME emmis-
sivity estimate off by a factor larger than 20 when compared with
previous measurements (Planck Collaboration et al. 2015a; Harper

et al. 2022; Fernández-Torreiro et al. 2023). When replicating the
conditions from Harper et al. (2023), we obtain an AME emissivity
estimate 𝜖28.4GHzAME = 6.513.77−3.25 `K/(MJy/sr), lower than the previous
value of 𝜖28.4GHzAME = 9.1±2.9 `K/(MJy/sr) probably due to the larger
importance of the outskirts of M31. This probably explains why this
value is also lower than the estimate for the MW: when observing the
MW from its inside, we are not sensitive to these outer regions. This
emissivity estimate is equal to 3.57+2.17−1.87 K/𝜏353 in 𝑇30GHzAME units,
more in line with previous measurements (Davies et al. 2006; Planck
Collaboration et al. 2015a, 2016b; Hensley & Draine 2017; Harper
et al. 2022; Fernández-Torreiro et al. 2023) than the one from Harper
et al. (2023).
M31 remains the only detection to date of AME in the integrated

spectrum of an external galaxy. We have also provided upper limits
for the polarization of this AME component. Although these limits
are large when compared with those from brighter AME sources
(mostly within our Galaxy), this is the first time that such upper
limits have been computed for an extragalactic object. The results of
this work encourage the reproduction of this kind of of measurement
for galaxies with different sets of properties throughout the lifetime
of the Universe.
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Figure 7. QUĲOTE-MFI maps at 11.2 and 12.9GHz (top and bottom rows, respectively) for the M31 field in intensity (left column) and Stokes parameters 𝑄
(centre) and𝑈 (right). The solid lines show the M31 (ellipse) and background (rectangular) apertures defined in Section 3.2 and used in Section 4. These maps
are the raw ones after combining the data from the Wide Survey and raster observations: we have not subtracted the CMB or sources.
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Figure 8. Same as Fig. 4, 6, but now without taking into account QUĲOTE-
MFI data. We can see how the dispersion of the model is now much greater
between 1 and 20GHz, as expected.
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Figure 10. Same as Fig. 4, 6, but now using an elliptical aperture far from
M31 as the background region. Point source emission has not been subtracted
for this case. This case is the one most similar to the analyses of Planck
Collaboration et al. (2015b) and Harper et al. (2023). We are adding the
C-BASS point from the latter just for comparison.
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Abstract Previous studies have identified two emission modes in PSR B1859+07: a normal

mode that has three prominent components in the average profile, with the trailing one being the

brightest, and an anomalous mode (i.e. the A mode) where emissions seem to be shifted to an earlier

phase. Within the normal mode, further analysis has revealed the presence of two sub-modes, i.e.

the cW mode and cB mode, where the central component can appear either weak or bright. As

for the anomalous mode, a new bright component emerges in the advanced phase while the bright

trailing component in the normal mode disappears. New observations of PSR B1859+07 by using

the Five-hundred-meter Aperture Spherical radio Telescope (FAST) have revealed the existence of a

previously unknown emission mode, dubbed as the Af mode. In this mode, all emission components

seen in the normal and anomalous modes are detected. Notably, the mean polarization profiles of

both the A and Af modes exhibit an orthogonal polarization angle jump in the bright leading

component. The polarization angles for the central component in the original normal mode follow

two distinct orthogonal polarization modes in the A and Af modes respectively. The polarization

angles for the trailing component show almost the same but a small systematic shift in the A and

Af modes, roughly following the values for the cW and cB modes. Those polarization features of

this newly detected emission mode imply that the anomalous mode A of PSR B1859+07 is not

a result of “phase shift” or “swooshes” of normal components, but simply a result of the varying

intensities of different profile components. Additionally, subpulse drifting has been detected in the

leading component of the Af mode.

Key words: pulsars: individual: B1859+07

1 INTRODUCTION

Pulsars are highly magnetized, rotating neutron stars.

The pulses generated from each rotation exhibit vary-

ing morphology and polarization. Pulse sequences

manifest nulling, mode changing, and subpulse drift-

ing phenomena. Rankin et al. (2006) found an unusual

phenomenon that PSRs B0919+06 and B1859+07 oc-

casionally manifests as a shift of emission towards

early rotation phases, which was termed as “swooshes”

by Wahl et al. (2016) and Rajwade et al. (e.g. 2021)

or the “flare-state” by Perera et al. (2016). The

“swooshes” of PSR B1859+07 which lasts for about

20 to 120 periods, and happen gradually within sev-

eral periods and somehow quasi-periodically for about

every 150 rotations (Wahl et al. 2016; Wang et al.

2022). In the normal state, PSR B1859+07 exhibits

the bright and quiet modes (Rajwade et al. 2021;

Wang et al. 2022), in which the central component

is bright or weak respectively, which we term them

as two sub-modes, i.e. central-Weak mode ‘cW’ and

central-Bright mode ‘cB’. The morphology, periodic-

ity and possible physical origins of such a shift-like
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emission for PSR B0919+06 were also investigated,

e.g. by Han et al. (2016). These diverse features pro-

vide valuable insight into the physical conditions and

emission processes in the pulsar magnetosphere.

There have been a number of interpretations on

the “swooshes” phenomenon. Based on the symmetry

of pulse profiles and cone-core beam model, Rankin

et al. (2006) proposed that the “swooshes” are caused

by partly illuminating of the emission cone, which

might originate from the emission processes or ‘ab-

sorption’ (Bartel et al. 1981). Rajwade et al. (2021)

argued that the “swooshes” result from the cutting of

different parts of flux tubes due to the shrinking and

expanding of the magnetosphere. Wahl et al. (2016)

and Gong et al. (2018) attributed the “swooshes”

to the possible orbital dynamics in a binary system.

These diverse interpretations need to be further veri-

fied, and the real origin of “swooshes” remains to be

uncovered.

In this paper, we report the detection of a new

emission mode of PSR B1859+07 by using the Five-

hundred-meter Aperture Spherical radio Telescope

(FAST), which has a clear implication for the origin

of “swooshes”. The paper is organized as follows. In

section 2, FAST observations and data reduction are

briefly introduced. The results for their morphology,

polarization behaviours and subpulse drifting phe-

nomenon are reported in section 3. Summary and dis-

cussion are given in Section 4.

2 OBSERVATIONS AND DATA

REDUCTION

We made two observations of PSR B1859+07 on June

6th, 2020 (20200606) and August 7th, 2020 (20200807)

with the 19-beam receiver of the FAST (Jiang et al.

2020), during the verification observations for the

FAST Galactic Plane Pulsar Snapshot (GPPS) sur-

vey (Han et al. 2021). Each tracking observation lasts

for 15 minutes. The data was recorded with full polar-

ization, which has a central frequency of 1.25GHz and

a bandwidth of 500MHz. The data for 2048 frequency

channels are stored with a time resolution of 49.152

microsecond. Details of observations can be found in

Han et al. (2021). Before each observation session, the

two minutes data are recorded from the receiver with

calibration signals of 1 K On-Off noise injected every

2 s, which are used for the correction of the band-pass

of the receiver and also the calibration of receiver po-

larization performance.

The special targeted observation to PSR

B1859+07 on 20191203 and 20201122 (Wang

et al. 2022) are also included in this work.

Table 1 The period ranges for anomalous modes in

two observations of the FAST GPPS survey.

Period Range Type Duration
(No.-No.) (periods)

20200606
153-172 A 19
275-315 Af 40
367-379 A 12
409-415 Af 16
494-495 Af 1
606-630 A 24
787-788 A 1
824-828 Af 4
930-955 A 25
955-965 Af 10
1120-1140 Af 20
1140-1167 A 27
1225-1229 A 4
1256-1281 Af 35
1332-1333 Af 1

20200807
170-216 A 46
294-296 A 2
425-455 A 30
455-465 Af 10
714-720 Af 6
720-742 A 22
742-760 Af 18
845-867 Af 22
968-977 Af 9
1006-1038 Af 32
1104-1106 Af 2
1268-1278 Af 10
1332-1338 Af 6
1367-1388 A 21
1388-1395 Af 7

Offline data processing is as follows. We first dedis-

persed the data and formed single pulse sequences

with the ephemeride by using DSPSR (van Straten &

Bailes 2011). Radio frequency interference was then

exercised for frequency channels and time by using

PSRCHIEVE (Hotan et al. 2004). The pulses were fi-

nally calibrated in polarization with noise diodes.

3 RESULTS

The pulse sequences are obtained from the two obser-

vations in the GPPS survey on June 06 and August 07,

2020, as shown in Figure 1. The pulse sequences from

special targeted FAST observations PSR B1859+07

on 20191203 and 20201122 have been shown in (Wang

et al. 2022). Obviously different emission modes switch

frequently with various duration. As previously ob-

served (Rankin et al. 2006; Wahl et al. 2016; Ra-

jwade et al. 2021), the normal emission mode has three

prominent components in the averaged profile, and the

trailing one is the brightest. According to the bright-

ness of the central component, the normal emission

mode can be further classified into two sub-modes, one
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Fig. 1 Pulse sequences of PSR B1859+07 obtained from two FAST observations on June 06 and August 07,

2020 in the GPPS survey. Data with radio-frequency interference are eliminated as marked by white lines.

with a bright central component as the cB mode cor-

responding to the “B mode” in Wang et al. (2022) and

Rajwade et al. (2021), and the other with a weak cen-

tral component as the cW mode corresponding to the

“Q mode” in Wang et al. (i.e. 2022) or the “A mode”

in Rajwade et al. (2021). The profile and polariza-

tion differences of these two modes have been studied

in great details by Wang et al. (2022) and Rajwade

et al. (2021). What we are concerned about in this

paper is the “swooshes” which exhibits a new bright
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Fig. 2 Examples for the Af mode, which show not only the new leading component in the A mode but also

have the slightly squished components of the cB and cW modes. The different emission modes are marked for

different segments of pulse sequences. The data with radio-frequency interference are eliminated as marked by

white lines.

component in the advanced phase range of −12◦ to

−28◦. The period ranges for the anomalous mode are

listed in Table 1.

3.1 The anomalous-filled mode: “Af mode”

As shown in Figure 1, there are two types of

“swooshes” revealed by our sensitive FAST observa-

tions. One is the conventional “swooshes” in which

a new bright component emerges in the advanced

phase range while the bright trailing component seen

in the normal mode completely disappears as if the

emission components are shifted to an earlier phase.

We now label it as the mode A. The other one is

not such “swooshes” but appears as a new emission

mode, dubbed as the Af mode, which hosts all emission

components seen from the normal mode and anoma-

lous mode, though the leading component (almost the

same one in the anomalous “A mode”) and the trail-

ing component (almost the same one in the normal

mode) are shrinked in the longitude phases. Examples

for such an anomalous-filled mode, i.e. “the Af mode”,

are shown in Figure 2.

We identify 30 anomalous emission events from

our two FAST observations in the GPPS survey, last-

ing for 1 to 46 or 40 rotations. including 12 events

for the “A mode” and 18 events for the “Af mode”,

as listed in Table 1. In fact, such an anomalous-filled

mode has been noticed and shown in the FAST data

on 20201122 published by Wang et al. (2022), e.g. the

pulses around period No. 450, 1270, 1580, 1990, 2140,

2700, 3170, 3510 and 4570 in their Fig.2, and the upper

half of their Fig.6 gives the best demonstration, but

this mode was not well investigated especially on the

polarization properties. We also checked FAST obser-

vation results on 20191203, and found many segments

for the Af mode.

3.2 Polarization profiles for different modes

Polarization profiles of pulsars provide insights into

the emission geometry in pulsar magnetosphere. Com-

paring polarization profiles for different modes, espe-

cially the polarization angle curves, can aid in distin-

guishing between “swooshes” in different longitudinal

phases and different modes of pulsar emission.

By averaging the pulses in the different modes, we

get the mean pulse polarization profiles for the two

FAST observations in Figure 3.The polarization pro-

files for the cW mode and the cB mode have been com-

pared by Wang et al. (2022) already. We here compare

the polarization profiles for two normal modes (“cW”

and “cB”) with the two anomalous modes (“A” and

‘Af”). The profiles for all modes are consistent with
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Fig. 3 The mean pulse profiles of the emission modes: cW (the orange), cB (the black), A (the red) and Af

(the blue), from 4 FAST observations, with the number of pulsar periods marked in each subpanel. In general,

profiles for the normal mode are consistent with each other in the four observations. The slight difference for the

Af mode profiles are caused by insufficient number of periods for the average process. The PA curves in the Af

mode are in the orthogonal mode of those in the A mode in the phase range of [-8.5◦,-1.5◦]. The position angle

data are plotted only when linear polarization intensity exceeds 5 times the standard deviation of its off-pulse

emission.

each other in the two observations. The slight pro-

file difference between the 4 observations for the A

mode and the Af mode reflects the unstable profiles

caused by insufficient numbers of periods for the av-

erage process. Very striking is the PA curves for the

Af mode, which are in the orthogonal mode of that

for the A mode in the phase range between -8.5◦ and

-1.5◦. In general, the PA curves of the Af mode follow

the curves of the cB and cW modes except the phase

range around 0◦.

One may compare the polarization profiles by

plotting them together as in Figure 4. The results for
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Fig. 4 Comparison of mean pulse polarization profiles for the four modes (cW, cB, A and Af) obtained from

4 FAST observations. The total intensity, fractional linear and circular polarization are plotted in the different

subpanels from top to bottom. The fractional linear polarization data are plotted only when linear polarization

intensity exceeds 5 times the standard deviation of its off-pulse emission, so do the fractional circular polarization.

the fractional linear polarization and the fractional cir-

cular polarization are very consistent with each other

in the two days. The fractional linear polarization of

the “A mode” emission differs significantly from that

of the normal ones and the “Af mode”, with an ex-

tremely lower percentage in the phase range of −15◦

to −7◦. For the emission of “Af” mode, the fractional

linear polarization is much higher at the leading and

trailing part of the profiles, but it is relatively lower

within the phase range of −8◦ to −5◦. The very dif-

ferent fractional circular polarization is seen in the

phase range of −14◦ to −5◦. The normal modes have

a sense-reversal at around -8◦, while the “mode A” has

a circular polarization peak at the phase of −5◦ while

“mode Af” has a dip. In the other longitude ranges

the circular polarization remains the same, and the

circular polarization of the Af mode obviously follows

the curve for the leading components of the A mode

and the trailing components of the cW and cB modes.

All these polarization features suggest that the Af

mode is a good “combination” of the “swooshes” of

emission and two normal emission modes, indicating

that the A mode is not the swooshed normal emission

mode.
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”Af” mode. The blue line indicates the drifting direc-

tion.

3.3 Subpulse drifting in the new leading

component of the Af mode

One, only one, subpulse drifting event is identified

from the new leading component in the Af mode, as

shown in Figure 5.

We fit the emission peaks in the phase range of

−20◦ to −12◦ in these periods of the “Af mode”, and

we get the drifting rate as being P2/P3 = −2.3◦ per

period. The period gap for a sub-pulse appearing at

the same longitude, that is P3, is measured to be 6

periods. The longitude spacing between two adjacent

sub-pulses, P2, derived from the cross-points of two

drifting bands in a given period, is found to be −13.8◦.

4 SUMMARY AND DISCUSSION

In summary, based on the new FAST observations of

PSR B1859+07, we find following features for different

modes:

(1) A new emission mode: We identify the “Af

mode” which is different from the previously known

“swooshes” and has all components from the nor-

mal emission mode and anomalous “swooshes”, which

means that the emission components of the “Af mode”

is not the swooshed components of normal emission,

so that all such related theoretical interpretation in-

volving “swoosh” should be abandoned.

(2) The duration for the anomalous emission

mode: That should vary from a single rotation period

to a few tens, as seen in Table 1.

(3) Emission phase ranges: Because the newly

identified Af mode shows a much wide phase range

for the emission, with the PA curves connecting PAs

of the leading component in the anomalous mode and

the trailing component in the normal emission mode,

the normal mode should then be only a part of illumi-

nated conal emission, as if the partial cone discussed

by Lyne & Manchester (1988); Rankin et al. (2006).

(4) Orthogonal modes: The polarization angles for

the “Af mode” are coincident with the orthogonal

mode of the “A mode” in some phase range, implying

that they experience different propagation effects.

(5) Circular polarization: The circular polariza-

tion of normal mode emission changes the sense

around the phase of −8◦, supporting the explanation

of the normal emission profile as the partially illumi-

nated conal emission Rajwade et al. (2021).

(6) Subpulse drifting: We get the first detection of

drifting subpulses for this pulsar in the leading com-

ponent of the Af mode, and derive the drifting param-

eters from one drifting session. More data are desired

for further investigation.

There have been a number of interpretations

for the anomalous mode of PSR B0919+06 and

B1859+07. The models rested on aberration effects

and binary interactions have already been excluded

by Rankin et al. (2006) and Wang et al. (2022). The

polarization features of the newly identified mode of

PSR B1859+07 favour the simple model in which the

anomalous emission events are not caused by the so-

called phase shift, but just the intrinsic radiation of

different parts of pulsar emission beam. The orthogo-

nal mode between the different modes suggests possi-

ble changes on the energy and density distributions of

relativistic particles for propagation effects in the en-

tire pulsar magnetosphere(Wang et al. 2014). Since

partial cones have been observed for many pulsars

already (Lyne & Manchester 1988), which depends

on sight line geometry, the relativistic particles and

various emission processes and propagation effects,

caused probably by dynamical sparking in pulsar polar

cap. The subpulse drifting occasionally observed and

the sense-change of circular polarization are also key

observational facts for understanding the anomalous

mode of these pulsars.
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Blue stragglers are anomalously luminous core hydrogen-burning stars formed through mass-

transfer in binary/triple systems and stellar collisions. Their physical and evolutionary 

properties are largely unknown and unconstrained. Here we analyze 320 high-resolution 

spectra of blue stragglers collected in eight galactic globular clusters with different structural 

characteristics and show evidence that the fraction of fast rotating blue stragglers (with 

rotational velocities larger than 40 km/s) increases for decreasing central density of the host 

system.  This trend suggests that fast spinning blue stragglers prefer low-density environments 

and promises to open an unexplored route towards understanding the evolutionary processes 

of these stars. Since large rotation rates are expected in the early stages of both formation 

channels, our results provide direct evidence for recent blue straggler formation activity in low-

density environments and put strong constraints on the timescale of the collisional blue 

straggler slow-down processes. 

 

Introduction 
Blue straggler stars (BSSs) are puzzling objects well distinguishable in the colour-magnitude diagram 

(CMD) of stellar systems, where they define a sequence extending brighter and bluer than the Main 
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sequence (MS) Turn-Off (TO) point, mimicking a sub-population of young (or more massive) stars1-

3. Since no recent star formation has occurred in old globular clusters (GCs), mass-enhancement 

processes must be at the origin of BSSs and two main scenarios are currently favoured: stellar mergers 

induced by direct collisions4-6, and mass-transfer activity in binaries7-9, possibly triggered by stellar 

interactions. Because of this, BSSs are among the most massive objects populating star clusters: in 

old stellar systems as the Galactic GCs, they are significantly heavier (MBSS=1.2-1.5 M⊙10,11) than 

the average population (<m> =0.3 M⊙). This implies that they are subject to dynamical friction, 

which makes them sink to the bottom of the potential well. Hence, these stars are powerful probes12-

18 of the internal dynamical evolution of collisional stellar systems. Indeed, GCs with different levels 

of dynamical evolution can be ranked on the basis of the central concentration of their BSS population 

with respect to lower-mass (normal) stars (see section “BSSs and cluster dynamical age” in Methods). 

Despite such a huge potential as dynamical probes, many questions concerning the formation and 

evolution of BSSs are still unanswered, and the theoretical models aimed at describing these objects 

and their link with cluster dynamics remain largely unconstrained by observations. In fact, although 

BSSs have been routinely observed for 70 years now, only little information about their physical 

properties (like chemical abundances and rotational velocities) has been collected so far. To address 

this issue, in 2006 we started a spectroscopic survey of the BSS populations in a sample of Galactic 

GCs with different structural properties19-24. That large set of high-resolution spectra (see 

Supplementary Information) has led to the discovery of a sub-sample of BSSs with a depletion of 

carbon and oxygen in 47 Tucanae19 and in M3020, a feature that is considered a chemical signature of 

the mass-transfer formation channel.  

Here we analyse the BSS rotational properties in 8 Galactic GCs: 47 Tucanae19, M3020, NGC 639721, 

M422, NGC 675223, w Centauri24, M55 and NGC 3201 (Supplementary Table 1 and 2 and 

Supplementary Fig. 1). We find that BSSs with rotational velocities larger than 40 km/s prefer low-

density environments, suggesting recent formation of BSSs likely originated from mass-transfer 

activity in binary systems. Our results also provide constrains to the timescale of the collisional BSS 

slow-down processes.   

 

Results 
DEFINING FAST SPINNING BLUE STRAGGLERS 

Considering the entire dataset, the rotational velocities of a total of 320 BSSs have been measured in 

8 GCs. Their distribution is plotted in the top panel of Figure 1a. To demonstrate the reliability of the 

rotational velocity measures, the spectra of 30-35 normal stars in each cluster have been secured with 

the same observational setups and analysed with the same procedures. The control sample is made of 
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a few MSTO stars (about 10% of the total) and, mainly, red giant branch (RGB) and sub-giant branch 

(SGB) stars that are known to show negligible rotation. The distribution of their rotational velocities 

is plotted in the bottom panel of Figure 1a: as expected, all the measured values are smaller than 20 

km/s. The difference between the distributions shown in the two panels is evident: 100% of the 

reference stars show negligible rotation, while only 54% of the surveyed BSSs have rotation 

velocities smaller than this value and the remaining 46% of the sample is distributed over a long tail 

extending toward much larger values, reaching (and, in a few cases even exceeding) 200 km/s. The 

BSS distribution decreases rather smoothly from 20 to 40-50 km/s, and a substantial portion of the 

population, approximately 28%, has rotation velocities larger than 40 km/s. This result confirms, once 

more, that BSSs are a peculiar sub-population, with properties that deviate from those observed in 

normal cluster stars.  

To investigate whether this is the typical distribution of BSS rotation velocities, in Figure 1b we plot 

the results obtained in each surveyed cluster, separately. Although the relatively small number of 

BSSs observed in each system prevents statistically significant comparisons on a cluster-to-cluster 

basis, the figure shows clear differences in the fraction of fast rotating BSSs, and it reveals an 

unexpected, intriguing feature: two separated groups of GCs can be distinguished, one that harbours 

a modest fraction of fast rotating BSSs (namely, 47 Tucanae, M30, NGC 6397, and NGC 6752), and 

another group with a rotation velocity distribution more extended toward large values (including, 

M55, M4, w Centauri, and NGC 3201), with a few objects20-24 spinning even faster than 200 km/s 

(see also Supplementary Figure 2). Surprisingly, this cluster classification, based on the distribution 

of BSS rotational velocities, mirrors the grouping in terms of structural parameters: only low-density 

(log r0 <4 in units of L⊙/pc3) and low concentration (c<1.8) systems show a relevant fraction of fast 

rotating BSSs. The effect is even more evident when the rotational velocity distributions of the two 

groups are directly compared (see top and bottom panels of Figure 2a).  Undoubtedly, the long tail of 

the BSS rotational velocity distribution shown in Figure 1a is due to loose clusters, while almost the 

entire (96%) BSS population of high-density systems show rotation velocities smaller than 40 km/s. 

The comparison between the normalized cumulative distributions of rotation velocities shown in 

Figure 2b even more highlights the difference: while in high-density clusters only 4% (4 out of 92) 

of BSSs spin faster than 40 km/s, more than one third of the population (38%, i.e., 87 out of 228) 

rotates faster than this value in low-density environments. A Kolmorogov-Smirnov test quantifies the 

statistical significance of the difference: the probability that the two distributions are extracted from 

the same parent family is essentially zero (approximately 10-8), which corresponds to a significance 

level well above 5s. Thus, the main evidence emerging from this analysis is that the fraction of fast 

rotating BSSs appears to be larger in low-density, than in high-density GCs. 
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CORRELATIONS WITH CLUSTER PARAMETERS 

The observed sample covers nearly the entire range of values expected for GCs in terms of structural 

parameters (for instance, the King concentration parameter c goes from 0.8 to 2.5, and the central 

luminosity density spans approximately 4 orders of magnitude, from log r0 = 2, to 6 in units of 

L⊙/pc3; see Supplementary Table1), thus providing an ideal dataset for exploring possible links 

between the chemical and rotational properties of BSSs, and the characteristics of their host clusters. 

To probe this connection, we computed the fraction of fast rotators (FRs) in each observed cluster 

and searched for correlations with other parameters. Although the exact definition of FR is somehow 

arbitrary, the distributions shown in Figures 1 and 2 suggest that a threshold value ranging from 30 

to 50 km/s is appropriate. Thus, we define FRs as the BSSs with rotation velocity larger than (or equal 

to) 40 km/s. Figures 3a and 3b show the specific fraction of FRs (i.e., the number of FRs divided by 

the total number of surveyed BSSs: fFR = NFR/NTOT) as a function of the King concentration parameter 

(c) and the central luminosity density (log r0) of the parent cluster. As can be seen, a strong correlation 

with the environment emerges from this study: the fraction of FRs steadily decreases from about 50%, 

to zero for increasing values of both c and log r0. The assumption of slightly different thresholds (30 

or 50 km/s) has no impact on the results (see Supplementary Figure 3). Similar trends are detected 

with both the collisional parameter Gcoll (see Figure 3c), and the A+ parameter (Figure 3d). The former 

provides a measure of the overall level of collisionality of the system (see Section “The collisional 

parameter” in Methods) and, by definition, increases with r0 and the cluster core radius. The empirical 

parameter A+ quantifies the level of BSS central segregation due to the dynamical ageing of the host 

stellar system (see Section “BSSs and the cluster dynamical age” in Methods), with larger values of 

A+ corresponding to dynamically older clusters, where dynamical friction has been effective in 

concentrating heavier objects toward the centre of the system. Hence, the latter relation suggests that 

the fraction of fast spinning BSSs also depends on the internal dynamical evolution of the host cluster. 

Particularly intriguing is the behaviour of fFR versus the A+ parameter. Indeed, for low values of A+ 

(corresponding to dynamically younger clusters) the overall trend of fFR closely resembles that 

observed as a function of the other cluster parameters (namely, fFR decreases for increasing A+; dashed 

line in the right-bottom panel). Then, the trend seems to change at A+ = 0.30, above which fFR slightly 

increases with A+ (dotted line in the same panel). According to the total sample investigated so far, 

all the clusters classified as post-core collapse systems have A+ above this value (see section “BSSs 

and cluster dynamical age” in the Methods). We can therefore speculate that this (admittedly modest) 

increase of fFR could be due to an enhancement of recently-generated collisional BSSs (which are 
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mainly expected to form in the cluster centre) at the time of core collapse and during the core 

oscillations that may characterize the post-core collapse phase.  

Thus, low-density environments, which are characteristic of dynamically-young clusters and where 

stellar collisions are less probable, are the ideal habitat for fast spinning BSSs. In turn, the low 

collision rate suggests that in these environments the dominant BSS formation channel is mass-

transfer in binary systems, and a correlation between the fraction of FRs and the cluster binary content 

should therefore be expected. Indeed, Figure 4a confirms that the percentage of FRs correlates with 

the overall binary fraction25,26 of the parent cluster (note that w Centauri is excluded because no 

reliable binary fraction estimate has been found in the literature). Moreover, it is worth noticing that, 

out of the 4 FRs detected in high-density clusters, the two observed in 47 Tucanae and in M30 are 

classified as contact eclipsing binaries27,28, thus indicating their mass-transfer origin. These results 

point toward interesting scenarios never explored before. 

 

Discussion  

The observational findings discussed above show that fast spinning BSSs preferentially reside in low-

density clusters, where they are likely originated from mass-transfer activity in binary systems, while 

in conditions of high-density, high collision rate and advanced stages of dynamical evolution, 

essentially only slowly rotating BSSs are found.  

From the theoretical point of view, high rotational velocities are expected at birth for BSSs formed 

through both the proposed channels, because angular momentum transfer concurs with mass transfer 

in binary systems, and because collisional proto-BSSs rapidly contract conserving their angular 

momentum5,6. In later stages of evolution, braking mechanisms (such as magnetic braking, disk 

locking, and mass loss) are expected to intervene and slow down the stars, with timescales and 

efficiencies that are still poorly understood29,6. Standard magnetic braking seems to be at work and 

slow down mass-transfer BSSs in timescales shorter than 1 Gyr. This is suggested by the fact that the 

relation between rotation periods and ages observed for these objects in open clusters and the Galactic 

field30 is well reproduced by the models used to describe the spin-down rate of single, low-mass MS 

stars31 (see Section “Rotation in single stars” in Methods), which share the same structure in terms of 

convective envelopes and magnetic fields. In turn, this result indicates that the rotation rate can be 

used as gyro-chronometer to estimate the stellar age (measuring, in the case of BSSs, the time since 

the end of mass transfer). The situation is less clear in the case of collisional formation, since this 

braking mechanism is expected to not operate in collisional products, which develop no convective 

envelope. Smoothed particle hydrodynamics simulations6 of stellar collisions showed that efficient 

angular momentum loss must occur in the early phases of evolution in order to keep these objects in 
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the BSS region of the CMD, and the magnetic locking of the star to a disc was pointed out as a 

possible braking mechanism for collisional BSSs. However, no physically motivated constraints to 

the characteristic timescale of the process was derived, leaving room for other alternative mechanisms 

able to cause an efficient decrease of angular momentum in the forming BSS. Hence, fast rotation 

should be the signature of recently formed BSSs (either from mass-transfer in binary systems, or 

through collisions), with the time scales of the subsequent braking mechanism(s) remaining 

essentially unconstrained in the case of collisions. 

These predictions can be used to interpret the observational evidence collected so far. The study 

presented here has revealed a dramatic discrepancy in the abundance of FRs in different 

environments: FRs are one order of magnitude less abundant (about 4%) in high-density 

environments, than in low-density clusters (about 38%). The fact that most of the observed FRs are 

found in low-density clusters, where binaries are more abundant (Figure 4a), probably is the 

manifestation of a generation of BSSs originated via mass-transfer activity during the secular 

evolution of primordial binary systems and formed less than 1 Gyr ago (according to the currently 

accepted braking mechanism timescale). The paucity of FRs in high-density clusters, instead, indicate 

that no relevant recent BSS formation occurred (neither from the mass-transfer, nor from the 

collisional channel), and/or very effective braking mechanisms are at work. This is a very important 

point, worth of further comments. 

The evidence that the fraction of FRs originated by the mass-transfer channel is very different from 

that found in low-density environments is somehow surprising, since the mass-transfer channel is 

expected to be continuously active in all environments, including high-density clusters32. Figure 4b,c 

suggests that the explanation resides in the different fractions of binary systems characterizing the 

two environments. In fact, both the FR fraction and the binary frequency nicely correlate with the 

cluster central density, and the combination of the two best-fit relations shown in Figure 4b,c 

corresponds to the solid line reported in Figure 4a. This relation properly reproduces the observed 

trend between the fractions of FRs and binary systems, suggesting that low-density environments are 

naturally effective in preserving primordial binaries and then use them for forming BSSs. Conversely, 

in high-density systems the mass-transfer channel for BSS formation is limited by the less abundant 

populations of binaries, which is likely explainable by a destructive action of stellar interactions 

occurring in highly collisional environments. It is worth of noticing that high-luminosity clusters have 

been observed33-35 to harbour a fraction of BSSs smaller than that measured in low-luminosity 

systems, and this has been interpreted as another manifestation of the fact that binaries have been 

effectively disrupted in the former, where stellar encounters are more frequent. However, as show in 

Supplementary Figure 4, the fraction of BSSs with high rotational speed appears to be independent 
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of the global cluster luminosity, thus making even more relevant the strong correlation between fFR 

and density detected here. 

While a paucity of recently formed mass-transfer BSSs in high-density clusters can be ascribed to a 

low binary fraction, a relevant number of collisional BSSs is expected to form in these systems by 

recurrent dynamical interactions: indeed, about 10-100 collisional BSSs are expected36 to have 

formed during the last Gyr in the clusters with the highest collision rates. This naturally raises the 

question of why this collisional component is not observed as FRs. 

The paucity of FRs in high-density clusters indicates that efficient braking mechanisms are at work 

also for collisional BSSs, in agreement with previous expectations6. Such unknown spin-down 

mechanism might be linked to the intrinsic nature and structure of these objects (formed though 

collisions instead of mass-transfer) or depend on the local density. For instance, by considering that 

the main source of angular momentum loss in collisional BSSs is stellar winds, a possibility is that 

the frequent stellar interactions occurring in high-density GCs contribute to increase mass loss. In 

any case, the data presented in this study can be used to set some constraints on the timescale of this 

braking mechanism, suggesting that it should be shorter than 1-2 Gyr. In fact, in the case of M30, the 

bluest BSS sequence (tracing a sort of straight line in the CMD) is thought to be populated by BSSs 

simultaneously generated through collisions during the core collapse event, approximately 1-2 Gyr 

ago13,32. Seven BSSs lying along this (blue, collisional) sequence have been spectroscopically 

investigated and, among them, only one star is a FR (with rotation velocity v sin i=90 km/s). This star 

is classified as a contact binary, thus pointing out that it is not a collisional, but a mass-transfer BSS 

contaminating the blue sequence (in agreement with recent models37).  The average value of v sin i 

of the other 6 collisional BSSs measured along the blue sequence (20 km/s) is however larger than 

the average rotation velocity (<v sin i> = 7 km/s) of the further 7 BSSs investigated in M30, which 

populate the red sequence and are thought to be formed by mass-transfer activity in binary systems. 
According to the quoted scenario, these findings would suggest that the slow-down process of the 

collisional BSSs formed during core collapse is still ongoing, and it has been able to decrease the 

initial rotational velocity to the current value of approximately 20 km/s in a timescale of 1-2 Gyr.  

The example of M30 suggests that the line of investigation proposed in this paper could provide a 

new set of empirical constrains to the timescale of the collisional BSS slow-down processes. This 

methodology needs to be applied to other post-core collapse stellar systems, where a (blue) sequence 

of collisional BSSs has been detected (see the cases of NGC 36218 and M1538).   

 

This work has revealed a clear-cut connection between the fraction of fast rotating BSSs and the 

environment (see Figure 3). Hence, this effect should be visible even within an individual cluster.  
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Indeed, in GCs the local density dramatically changes (by orders of magnitude) from the centre to the 

periphery. Thus, at least in principle, this effect should be detectable. However, GCs are not the ideal 

objects where this test can be carried out because they are dynamically-alive stellar systems, where 

dynamical processes like dynamical friction and mass segregation favour the progressive migration 

of heavy objects toward the centre, therefore preventing to trace the native radial distribution of BSSs 

from observations. Moreover, such a study would require the spectroscopic screening and the 

measure of BSS rotation velocities along the entire radial extension of the cluster. Luckily, among 

the GCs investigated in this study, we included w Centauri, which turns out to be the perfect stellar 

system where the test can be carried out. In fact, there is evidence that this stellar system is poorly 

dynamically evolved12,15,39,40, thus indicating that dynamical processes have not had enough time to 

significantly alter the native radial distribution of massive stars (as BSSs). In addition, we collected 

109 spectra of BSSs sampling a relevant portion of the cluster (up to approximately 13 arcmin, 5 rc, 

with rc=153”).   By splitting the observed data set in two sub-samples (with r<2.5 rc and r>2.5rc, 

respectively), we found that the FR fraction increases from 32% in the innermost region, to more than 

50% in the periphery. A more fine-tuned investigation shows that the fraction of FRs reaches more 

than 60% at r>3rc, where the stellar density is 1.5 orders of magnitude lower than in the centre. Figure 

5 shows the normalized radial distributions of fast spinning BSSs (with v sin i³ 40 km/s) and slowly 

rotating BSSs (with v sin i<40 km/s) in the cluster. The Kolmogorov-Smirnov test confirms that the 

two distributions are different at 2.3 s level of significance. Thus, evidence that fast-rotating BSSs 

prefer low-density environments is found also within an individual stellar system. 

 

The results presented in this paper identify low-density environments as the natural habitat for fast 

spinning BSSs. By taking into account that high rotational velocity is expected in the earliest phases 

of BSS evolution, the discovered relationships provide information about the current BSS formation 

activity in different clusters, suggesting that the formation of mass-transfer BSSs is fully ongoing in 

loose GCs (due to the secular evolution of primordial binaries), while it is significantly reduced in 

high-density environments, due to the lower fraction of survived binaries in these environments.  

Appropriate models of mass-transfer evolution are now required to obtain reliable age estimates for 

each of these stars from their position in the CMD. The combination of formation age and rotation 

velocity would provide the basic empirical quantities to identify the braking mechanism(s) needed to 

reproduce the observations and evaluate its/their efficiency (as shown in the case of open clusters30).  

For collisional BSSs, the observational evidence presented here call for an efficient braking 

mechanism acting on a timescale of 1-2 Gyr, thus soliciting for renewed observational and theoretical 

efforts to understand the physics of these stars. On the other side, additional observations are needed 
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to better characterize the relation discovered here. In particular, only the two extreme ends of the 

distribution of GC central densities (i.e., log ρ0<3.5 and log ρ0>4.8 in units of L⊙/pc3) have been 

explored so far, and the question of what happens in between remains open. There could be either a 

sharp environmental density threshold below which BSSs can be FRs and above which they spin as 

normal cluster stars, or a smooth transition between the two regimes (like that drawn by the dashed 

line in Fig. 3b). Determining which kind of dependence exists between the local density and the BSS 

rotational velocities is the first mandatory step for the construction of models and interpretative 

scenarios able to provide a physical explanation of the puzzling evidence presented here. In turn, this 

would not only provide crucial information on the BSS physics (and possibly on the formation 

mechanisms of these exotic objects), but it would also shed new light on the effects of stellar 

interactions in collisional systems (like GCs), once more reinforcing the deep link between BSSs and 

the dynamical evolution of the host cluster12-18.   

 

Methods 
BSSs and cluster dynamical age: The level of BSS central segregation with respect to normal 

(lighter) stars has been quantified via the A+ parameter41,17, defined as the area between the 

cumulative radial distribution of BSSs and that of a lighter (reference) population, such as, e.g., red 

giant or horizontal branch stars. The strong correlation between this parameter and the number of 

central relaxation times experienced by the host cluster15 demonstrates that A+ provides a high-

sensitivity empirical measure of the stage of dynamical evolution (the dynamical age) of the parent 

cluster, with low values of A+ (0.1-0.2) indicating dynamically-young stellar systems, and large 

values of A+ (larger than 0.2) corresponding to dynamically-evolved clusters. In particular, the 

analysis of the global sample (59 globular clusters) for which A+ has been measured so far15,42 shows 

that all the (8) explored post-core collapse clusters display an A+ parameter larger than 0.30, thus 

suggesting the existence of a critical value (A+=0.3) that flags the onset of core collapse. 

Data analysis: The projected rotation velocities (v sin i) have been measured in all the clusters by 

adopting the same technique. As a first step, for each target star the effective temperature and surface 

gravity have been estimated according to the position in the CMD. More specifically, a grid of 

isochrones43 with ages varying between 100 Myr and several Gyr have been overplotted to the CMD, 

and the atmospheric parameters have been derived from the projection of each star onto the closest 

isochrone. Then, for each target a model atmosphere was generated with the code ATLAS944 and 

then a set of synthetic spectra with different values of rotation velocity has been simulated by using 

the code SYNTHE45. The synthetic spectrum that minimizes the χ2 with respect to the observed 

spectrum finally provides the rotation velocity of the target star.   
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The uncertainties on the measured rotation velocities have been estimated by performing Monte Carlo 

simulations for a representative grid of simulated spectra computed for different values of the rotation 

velocity and the atmospheric parameters, and by adding different levels of Poisson noise to also 

account for varying spectral quality (signal-to-noise ratio). For each combination of parameters, a 

sample of several hundred synthetic spectra were simulated, and the analysis repeated on each of 

them. The   recovered rotation velocities trace a nearly Gaussian distribution, and we assumed as 

error on v sin i the sigma of the derived distribution. Typical uncertainties of the order of a few km/s 

have been obtained for slowly rotating stars, while the errors reach 10-15 km/s in the case of the 

highest FRs (with v sin i >100 km/s). 

The collisional parameter – The encounter rate between single stars, in a cluster with central mass 

density r0, core radius rc and velocity dispersion s can be expressed46 as: 

                                                          Γcoll µ r02 rc3/s                                      (1) 

 The link between velocity dispersion, core mass and radius that holds for virialized systems 

following the King model47 allows a simplified expression of the collisional parameter:  

                                                         Γcoll µ r01.5 rc2                                        (2)  

The values listed in Supplementary Table 1 and plotted in Figure 3c have been computed through 

Equation (2) assuming the values of core radius from previous papers12,13,15 and converting them in 

physical sizes by adopting the cluster distances48,49. The constant of proportionality has been 

neglected and the quoted values of Γcoll therefore have no meaning in absolute terms, but they provide 

the ranking of the 8 clusters under investigation in terms of their overall level of collisionality. It is 

noteworthy that a precise estimate of the real collision rate in a star cluster should also take into 

account the binary-binary and single-binary events, which, depending on the binary fraction, can be 

dominant36,50,51 because of the larger cross-section. However, the systematic decrease of the binary 

fraction for increasing central density observed in globular clusters (see Figure 4b) suggests that Γcoll 

reasonably well represents the real collision rate in high-density systems, while it could be a lower-

limit in low-density environments (thus, the anti-correlation between fFR and Γcoll could be even 

steeper than that shown in Figure 3c). 

 

Rotation in single stars - Recent surveys of rotational velocities of solar type stars (mainly with 

Kepler52) have demonstrated that, independently of their initial rotation rate at birth, after less than 1 

Gyr stars with the same age converge to the same rotation rate, regardless of their initial angular 

momentum. 
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Code Availability: the following public available codes have been used in the analysis of the 
acquired spectra:  
SYNTHE (https://wwwuser.oats.inaf.it/castelli/sources/synthe.html) 
ATLAS9 (https://wwwuser.oats.inaf.it/castelli/sources/atlas9codes.html) 
 

Data Availability: The datasets generated during and/or analyzed during the current study are 
available from the corresponding author upon request. All the observational datasets are publicly 
available (see Supplementary Table 2). The catalogues listing the coordinates, rotation velocities and 
associated uncertainty for all the BSSs observed in each individual cluster and discussed in this study 
can be freely downloaded at the repository web-page: http://www.cosmic-lab.eu/Cosmic-
Lab/BSS_rotation.html. The additional data necessary to reproduce the figures of this paper are listed 
in Supplementary Table 1. 
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Figure 1 – Comparing the distributions of BSS rotational velocities. a, Kernel-density 

distributions of the rotational velocities measured for 320 BSSs in the 8 surveyed GCs (top panel), 

compared with that obtained for a sample of 216 RGB, SGB and MSTO stars (bottom panel). Both 

distributions are normalized to the total number of stars observed in each sample.  b, Kernel-density 

distributions of the BSS rotational velocities observed in each of the eight clusters, normalized to the 

total number of BSSs observed in every system.  
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Figure 2 – Comparing the distributions of BSS rotational velocities in loose and high-density 

clusters. a, BSS rotational velocity distribution for loose clusters (namely, w Centauri, M55, 

NGC3201 and M4), compared to that of high-density clusters (namely, 47 Tucanae, M30, NGC 6752 

and NGC 6397), in the top panel (red histogram) and in the bottom panel (blue histogram), 

respectively. In both cases, the fraction is referred to the total number of BSSs observed in each 

sample. b, Comparison between the normalized cumulative distributions of BSS rotational velocities 

in low-density (red line) and high-density (blue line) clusters. A Kolmogorov-Smirnov test applied 

to the two distributions confirms that they are different at more than 5 s significance level.   
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Figure 3 – Relations between the observed fraction of fast rotators and the parent cluster 

characteristics. Fraction of FRs, fFR (i.e., BSSs with v sin i ³ 40 km/s; grey symbols) plotted as a 

function of the King concentration parameter (c=log(rt/rc), where rt is the tidal radius and rc is the core 

radius of the cluster, panel a), the central luminosity density (log ρ0 in units of L⊙/pc3; panel b), the 

collisional parameter  (Gcoll  in arbitrary units; panel c), and the cluster dynamical age as measured by 

the A+ parameter (arbitrary units) from the central segregation of BSSs (panel d). The three clusters 

classified as core collapse systems (namely, M30, NGC 6397 and NGC 6752) are plotted as triangles. 

The errors computed following the Poisson statistics are also reported. The dashed lines are the best 

linear fits to the data (for A+ < 0.3 in panel d). The values of the fit parameters and uncertainties are 

provided in the Supplementary Table 3. The dotted line drawn in the bottom-right panel illustrates 

the possible change of the fFR - A+ trend in the post core collapse state. 

 



 18 

 

Figure 4 –   The natural correlation between the fraction of FRs and the binary fraction. a, 

Fraction of fast spinning BSSs, fFR (with v sin i³40 km/s; grey circles) plotted as a function of the 

global binary fraction25 , fBIN (w Centauri is lacking because no reliable estimates of its binary fraction 

are available in the literature).  Errors computed following the Poisson statistics are also reported. 

The dashed line is the best fit to the data, while the solid line traces the equation obtained by 

combining the two best fit relations shown in panel b. b, The relations linking the fraction of binaries 

fBIN (grey circles in the top panel) and the fraction of fast rotating BSSs fFR (grey circles in the bottom 

panel) to the cluster central density (log ρ0 in units of L⊙/pc3). The small empty circles in the top 

panel are the data for a sample of 59 Galactic GCs25. The solid lines are the best linear fits to the data 

(see Supplementary Table 3 for the values of the fit parameters and uncertainties). 

 

 

 

 

 

 

0 0.1

0

0.2

0.4

0.6

a

f FR

fBIN
2 4 6

0

0.2

0.4

0.6

0

0.1

0.2
b

f FR

log(ρ0)

f BI
N



 19 

 

 

Figure 5 – Confirming the trend within an individual cluster: the case of w Centauri – The 

normalized cumulative radial distributions (f, arbitrary units) of the fast (blue line) and slowly (red 

line) rotating BSSs in w Centauri as a function of the distance from the cluster center (r) expressed in 

units of the cluster core radius (rc=153”)12. The p-value for the Kolmorogov-Smirnov test is p=0.02, 

indicating a statistically significant difference between the two distributions at approximately 2.3 s 

level.   
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The Data-set:   For this study we have used a collection of high-resolution spectra acquired over the 

last 15 years (see Supplementary Table 2). Most of the data have been acquired with the multi-object 

spectrograph FLAMES-GIRAFFE1 mounted at the Very Large Telescope (VLT) of the European 

Southern Observatory (ESO).  The instrument allows the simultaneous acquisition of high resolution 

(R=10000-30000) spectra for about 130 targets over a field of view of 25’ in diameter. Part of the 

dataset has been already published and we refer to the original papers for the detailed description of 

the observations and data reduction: 47 Tucanae2, M43, NGC 63974, M305, NGC 67526, w Centauri7. 

For M55 the datasets have been acquired with FLAMES@VLT under program 093.D-0270 (PI: 

Lovisi),  in June-July 2014, through 16 repeated exposures (each one of ~ 2760 sec) in the spectral 

region 3854-4049 Å, with a spectral resolution of 19,600.   

In the case of NGC 3201 we used the multi-object fiber system Michigan/Magellan Fiber System 

(M2FS)8, which feeds the double spectrograph MSPec mounted at the Magellan Clay Telescope at 

the Las Campanas Observatory, in Chile. This instrument allows the simultaneous observation of up 

to 128 objects per spectrograph over a field of view of about 30’ of diameter. The data have been 

acquired in February-March 2019, through 16 repeated exposures in the spectral region 5127-5184 

Å, with a spectral resolution of 18000, thus allowing us to properly sample the Mg lines at 5167.3 Å 

and 5172.6 Å.    
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The spectroscopic sample- The spectroscopic targets in each cluster have been selected to provide 

a reasonable sampling of the BSS population in both luminosity and radial distribution. The selection 

is based on extensive photometric catalogues (in most cases covering the entire cluster extension) 

published by our group over the years for each investigated system: wCentauri9, M3010, 47Tucanae11, 

NGC675212, M5513, M43. Typically, we used ultraviolet Hubble Space Telescope data in the central 

region (thus minimizing crowding issues) and ground-based optical observations for the outskirts. Of 

course, to keep a reasonably high signal-to-noise level, the faint extension of the BSS sequence is in 

general not included in the sample. In addition, to avoid possible biases due to effects of internal 

dynamical evolution, special care was devoted to properly sample the entire BSS radial distribution 

in each cluster, including the innermost regions where mass segregation processes and stellar 

interactions are particularly efficient. To avoid contamination of the spectra from scattered light, only 

isolated BSSs have been selected: all the BSSs having stars of comparable or brighter luminosity 

within a distance of about 3” (which is more than twice the fiber size) have been excluded from the 

selection. With these constraints, we succeed in safely allocating some fiber even in the central 

regions of high-density clusters. For instance, half of the spectroscopic sample (7 BSSs out of 15) has 

been observed within the innermost 15” from the centre of M30, which is a very concentrated, post-

core collapse system. The number of surveyed BSSs is provided in Supplementary Table 1 and their 

distribution on the plane of the sky is plotted in Supplementary Figure 1, which clearly shows that, 

in all cases, the observed samples probe the central part of the cluster and extend to the external 

regions (out to 1-2 half-mass radii). 
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Supplementary Table. 1 | The BSS sample and the main parameters of the target clusters. 

Name NTOT NFR [Fe/H] MV c log r0 Gcoll A+ Reference 

M55 32 15 -1.9 -7.57 0.93 2.22 5.4´104 0.10 This paper 

NGC3201 67 19 -1.6 -7.45 1.29 2.71 1.0´105 0.19 This paper 

w Centauri 109 45 -1.6 -10.26 1.31 3.15 1.9´106 0.00 Mucciarelli et al. (2013) 

M4 20 8 -1.2 -7.19 1.65 3.64 4.5´105 0.12 Lovisi et al. (2010) 

47 Tucanae 43 1 -0.7 -9.42 2.1 4.88 1.4´107 0.29 Ferraro et al. 2006 

M30 15 1 -2.2 -7.45 2.5 5.01 2.2´106 0.52 Lovisi et al. (2013a) 

NGC6752 18 0 -1.5 -7.73 2.5 5.04 4.7´106 0.33 Lovisi et al. (2013b) 

NGC6397 16 2 -2.0 -6.64 2.5 5.76 1.5´106 0.69 Lovisi et al. (2012) 

The numbers of observed BSSs (NTOT) and fast rotators (NFR) are listed in columns 2 and 3, 

respectively, and the corresponding reference publication is reported in column 9. The values of iron 

abundance ([Fe/H]), integrated absolute magnitude (MV), King concentration parameter (c), and 

central luminosity density (log ρ0) are taken from the Harris Globular Cluster Catalog14, those of the 

collisional parameter Γcoll have been computed as described in Methods, and those of the A+ 

parameter are from the literature15.  
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Supplementary Table 2 | The observational data base 

CLUSTER PROGRAMME PI INTRUMENT ONLINE DATA 
AVAILABILITY 

47 Tucanae 072.D-0337   FERRARO ESO-VLT-FLAMES 1 

w Centauri 077.D-0696   

081.D-0356   

089.D-0298   

FREYHAMMER 

FERRARO 

FERRARO 

ESO-VLT- FLAMES 

ESO-VLT- FLAMES 

ESO-VLT- FLAMES 

1 

M4 081.D-0356  FERRARO ESO-VLT- FLAMES 1 

M30 087.D-0748   

089.D-0306   

LOVISI 

FERRARO 

ESO-VLT-FLAMES 

ESO-VLT-X-

SHOOTER 

1 

NGC 6397 073.D-0093   

081.D-0356   

FERRARO 

FERRARO 

ESO-VLT- FLAMES 

ESO-VLT- FLAMES 

1 

NGC 6752 081.D-0356   

089.D-0298  

FERRARO 

FERRARO 

ESO-VLT- FLAMES 

ESO-VLT- FLAMES 

1 

M55 093.D-0270    LOVISI ESO-VLT- FLAMES 1 

NGC 3201 CN2019A-15   MONACO MAGELLAN-M2FS 2 

1. http://archive.eso.org/eso/eso_archive_main.html 
2. http://www.cosmic-lab.eu/Cosmic-Lab/BSS_rotation_spectra.html 
 
 
Supplementary Table 3 | The main best-fit relations. Parameters and uncertainties of the best-fit 
relations shown as solid lines in the figures listed in the first column. 
 

Figure Best fit relations  rms 

Figure 3a fFR   = –0.26 (± 0.06) ´  c + 0.72 (±0.12)    0.09 

Figure 3b, 4b 
 

fFR   = –0.12 (±0.03) ´  log(r0 ) + 0.74 (±0.14) 0.10 

Figure 3c 
 

fFR   = –0.18(± 0.06) ´  log(Gcoll ) + 1.29 (± 0.39) 0.12 

Figure 3d 
 

fFR   = –1.43(± 0.46) ´  A+ + 0.52 (± 0.08) 0.08 

Figure 4a 
 

fFR   = 3.21(± 0.97) ´  fBIN + 0.01 (± 0.07) 0.10 

Figure 4b fBIN   = –0.03(± 0.01) ´  log(r0) + 0.18 (± 0.04) 0.03 
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Supplementary Fig.  1 – The radial distribution of the spectroscopic sample. The sky distribution 

of the BSSs with measured rotation velocity (blue circles) is shown for each target cluster. The BSSs 

not observed in the spectroscopic survey are shown as black dots and are not included in the statistics. 

The x and y distances from the centre are plotted in units of the cluster half-mass radius (rh). The 

black circles have radius equal to one rh. 
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Supplementary Fig. 2 – Comparing the rotation velocity distributions. The normalized 

cumulative distributions ( f ) of rotation velocities (v sin i) measured in the programme clusters. The 

four low-density clusters in the left panel (namely wCentauri, M55, NGC 3201 and M4) show 

shallower cumulative distributions (indicating larger numbers of fast rotating BSSs), than the four 

high-density clusters in the right panel (namely 47 Tucanae, NGC 6397, NGC 6752 and M30).  
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Supplementary Fig.  3 – Changing the FR threshold.  Fraction of FRs, fFR(grey circles) as a 

function of the cluster concentration (c=log(rt/rc), where rt is the tidal radius and rc is the core radius 

of the cluster, left panels) and central luminosity density (log ρ0 in units of L⊙/pc3; right panels) for 

two different assumptions of the threshold used to define FRs: 50 km/s (top panels) and 30 km/s 

(bottom panels). The comparison between this figure and Figure 3 clearly shows that the overall 

characteristics of the distribution remain unchanged independently of the adopted threshold. The 

errors are computed following the Poisson statistics. The dashed lines are the linear best fits to the 

data. 
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Supplementary Fig.  4 – An orthogonal information. While the overall fraction of BSSs is found16-

18 to decrease for increasing cluster luminosity, the fraction of FRs shows no significant correlation 

with this property (MV is the integrated absolute magnitude of the surveyed clusters). The errors are 

computed following the Poisson statistics. 
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ABSTRACT

On December 2021, a new camera box for two-colour simultaneous visible photometry was successfully installed
on the ASTEP telescope at the Concordia station in Antarctica. The new focal box offers increased capabilities
for the ASTEP+ project. The opto-mechanical design of the camera was described in a previous paper.1 Here,
we focus on the laboratory tests of each of the two cameras, the low-temperature behaviour of the focal box in a
thermal chamber, the on-site installation and alignment of the new focal box on the telescope, the measurement of
the turbulence in the tube and the operation of the telescope equipped with the new focal box. We also describe
the data acquisition and the telescope guiding procedure and provide a first assessment of the performances
reached during the first part of the 2022 observation campaign. Observations of the WASP19 field, already
observed previously with ASTEP, demonstrates an improvement of the SNR by a factor 1.7, coherent with an
increased number of photon by a factor of 3. The throughput of the two cameras is assessed both by calculation
of the characteristics of the optics and quantum efficiency of the cameras, and by direct observations on the
sky. We find that the ASTEP+ two-colour transmission curves (with a dichroic separating the fluxes at 690nm)
are similar to those of GAIA in the blue and red channels, but with a lower transmission in the ASTEP+ red
channel leading to a 1.5 magnitude higher B-R value compared to the GAIA B-R value. With this new setting,
the ASTEP+ telescope will ensure the follow-up and the characterization of a large number of exoplanetary
transits in the coming years in view of the future space missions JWST and Ariel.

Keywords: Exoplanets, transit, Antarctica, Concordia station, TESS, photometry

1. INTRODUCTION

ASTEP (Antarctic Search for Transiting ExoPlanets) has been developed to search for exoplanetary transits
from Dome C.2–4 It has been able to produce high-precision photometric observations, both for detection of
new candidates and for the follow-up of already known exoplanets.5–14 The location of ASTEP in Antarctica
makes it unique for the follow-up of long duration transits and very southern objects detected by TESS and
in the continuous viewing zones of JWST and Ariel. In 2020, a new focal box was developed at the Lagrange
laboratory with the support of ESA/ESTEC and the University of Birmingham. The support permitted the
acquisition of two cameras for two-color (blue and red parts of the visible light) simultaneous photometry. The
focal box design and its characteristics are described in a previous SPIE paper.1

Further author information: Send correspondence to F.X. Schmider (schmider@oca.eu)
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Figure 1. The new focal box assembled in the lab for alignment with an artificial optical source (right)

After the development and tests at the laboratory, the new focal box was shipped and installed at the
Concordia station, Dome C in Antarctica. The new ASTEP+ telescope has started its observations in March
2022 for the whole winter season.

Here we describe the different steps of the assembly and tests of the focal box, its shipment to Dome C, its
installation on ASTEP at Concordia during the austral summer season, as well as its operation during the first
months of the polar winter season and the results achieved. In a parallel paper,15 we describe the target selection
process and the data automatic reduction, in view of a fully robotic observation facility.

2. FOCAL BOX ASSEMBLY AND LABORATORY TESTS

Before shipping the focal box to the Concordia station, it as necessary to assemble it at the laboratory and test
its behaviour for the expected environmental conditions in Antarctica, where the external temperature can vary
from -20◦C down to -80◦C. These conditions impose a special conception of the box in different compartments
with different functions, an external isolation and internal temperature regulation to ensure the correct working
properties of the focal box.

2.1 Assembly

In the previous paper,1 we described the optical conception and the realisation of the different mechanical
supports for the optics and the cameras. The main carbon composite plate and all opto-mechanical modules
of the new focal box were assembled on an optical bench in the laboratory to align the optics. In addition to
the mechanical assembly, several heating elements were added in the different compartments of the focal box,
so we could guarantee different working temperature following the requirements of each component. The optical
compartment could remain colder than 0◦C, when the cameras and their electronics have to stay in a positive
temperature environment. Thermal insulation was added all around the box and between each compartment.
The temperature control of the different components is carried out by several stand-alone regulators with PID
algorithm using PT100 probes.

2.2 Laboratory tests

At the laboratory, several tests were carried out on each element before assembly and set-up. Each camera was
placed on an optical bench with a monochromator and an integrating sphere (Figure 2) in order to estimate
the Pixel Response Non Uniformity (PRNU), the linearity of the detector and the read-out noise level. The
whole box was then aligned on an external light source and the quality of the image was verified using an optical
pattern (Figure 3).

A first adjustment of the opto-mechanical modules consists of aligning all the elements with a laser and, at
the entrance of the box, of positioning a grid located in a tube (telescope simulator) at the theoretical focal plane
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Figure 2. FLI camera test behind the optical source

Figure 3. Optical pattern as seen by the FLI & ANDOR cameras

of the telescope. The alignment of the optical axes of the two cameras with the optical axis of the telescope is
obtained by centering the image of the pattern on each camera, which is done thanks to the adjustment of the
dichroic beamsplitter for the blue channel and of the mirror for the red channel.

The optical transmission of the new focal box (Fig. 9) was estimated taking into account the cameras QE,
the transmission and reflection of the dichröıc beamsplitter and the coating of the lenses and of the mirrors. The
primary (M1) and secondary (M2) mirrors of the telescope are coated with protected aluminium, which has a gap
in reflection around 800 nm, explaining the gap in the transmission of the red channel. The central wavelength
of the blue channel is 555 nm, with a FWHM of 293 nm, while the central wavelength of the red channel is
850 nm, with a FWHM of 276 nm. In the future, we foresee to change the coating of M2 mirror, inclined at
45 degrees, by a protected silver coating to increase the total transmission efficiency of the instrument. In the
section 4, we show the response of the focal box as compared to GAIA for all measured stars in a given field.

The thermal behaviour of the box was tested in a thermal chamber. The external temperature was varied
to simulate the conditions at Dome C both in summer and in winter, with a temperature range between -20◦C
and -80◦C. The lower part of the camera box contains electronic modules, in particular the Andor camera power
supply control electronics and a converter that allows the USB signal to be transferred from the cameras to the
acquisition computer. These electronic devices produce heat when cameras are in function. This part of the box
is also thermalized using dedicated temperature controllers. Fans installed in the compartment of each camera
produces heat exchange between these compartments and, thus, maintain the whole at a set temperature around
10◦C. Tests in the thermal chamber were carried out which showed that 50% of the heating power was necessary
to guarantee the good functioning of the whole installation in extreme cases and 80% during the periods when
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Figure 4. Left: The new focal box is placed inside a thermal chamber, able to reach a temperature of -75◦C, similar to that of the
Antarctica winter. The graphics on the right displays the temperatures measured at different places inside the box obtained when
varying the environment temperature.

Figure 5. Aereal view of the Concordia station. The two main buildings of the base are located in the center, while the summer
camp is in the background of the picture. The new location of ASTEP telescope is the white Baader dome located in the foreground
close to the Astro shelter.

scientific cameras are not dissipating heat (off mode).

3. SET-UP AND OPERATIONS

3.1 Installation

The new box was shipped to Dome C on October 5th, 2021 and was installed on the telescope during the austral
summer campaign. The summer campaign was organised between November 23rd and January 25th by the
ASTEP team composed of Karim Agabi, Djamel Mekarnia, Georgina Dransfield and Olivier Lai.
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Figure 6. Left: Installation of the ASTEP+ telescope in its new dome, using the logistical means of the station. Right: The ASTEP+
telescope equipped with its new focal box fully installed in the new dome.

During the summer campaign, we seized the opportunity to move the telescope to a new location on the
base, in the so-called Baader dome. This displacement, already scheduled and prepared one year before, aims at
grouping the French and Italian astronomical activities in the same laboratory (called Astro shelter). The new
dome is better suited for the ASTEP+ telescope as it offers more space and an automatic closure capability. In
addition to this huge operation, we also removed all ASTEP experiment elements from their initial installation to
their new location: electronics devices were installed close to the new Dome and the telescope control computers
were installed inside the Astro shelter. We also installed a new primary mirror on the telescope, a new data-
processing server, conducted a whole maintenance of the telescope and its mount and updated all scripts linked
to the data acquisition and data processing.

After the displacement of the telescope, the new box was placed on the telescope. The optical alignment of
the focal box was first checked at the laboratory, using an internal light source, before its installation on the
telescope. Then, the alignment of the telescope with the focal box was done by pointing a bright star, usually
Canopus, visible in daylight, thanks to the exceptional transparency of the sky at Dome C. A density filter was
added on each camera to avoid saturation by the daylight. The optical adjustment procedure consists in aligning
the focal box optical axis with the telescope axis, which supposed to move the M1 mirror on three axis X,Y, and
Z. Then, the alignment of the equatorial mount was checked to ensure a perfect guiding on the field for several
hours. We cannot reach an alignment better than a few arc minutes due to the small number of stars that can be
observed during this period of continuous daylight, and of the absence of a pointing model taking into account
the flexion of the telescope. This set-up is generally good enough to ensure the operations, as the ASTEP+ field
is about 40 arc minutes wide, and a field recognition is done for each new observation. Real-time guiding is also
ensured from the image of the blue camera. However, for fields close to the Celestial Pole, the uncertainty of the
mount set-up results in a noticeable field rotation, reducing the photometric quality of stars at the edges of the
image. In the future, we expect to have a new more reliable mount, and to use an automatic set-up procedure
to precisely align the mount to within a fraction of arc minutes.

3.2 Turbulence measurement

To prevent frost from forming, the telescope primary and secondary mirrors are heated from their back surface,
as well parts of the camera focal box. This is necessary although it is well known that heat sources in optical
beam are harmful to image quality. We ran a series of test in daytime to try to quantify the effect of this heating
on the turbulence inside the tube and the dome, using a optical turbulence sensor, AIRFLOW.16 This instrument
measures optical path differences along parallel beams within a sensing cell by interferometric means, and by
plotting the phase variance as a function of beam separation, the phase structure function can be estimated. A
value of C2

n can be extracted if the phase structure function follows the Kolmogorov structure, Dφ = (D/r0)5/3.

There is a small air gap at the bottom of the tube, allowing air to flow around the primary mirror; without
any active heating (but thermal driving from sunlight) we found that the air inside the tube was very calm
but some mixing close due to this gap increased the turbulence around the primary mirror (Figure 7). This
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Figure 7. Measurement of C2
n along the telescope tube in daytime. The primary mirror is not heated but the mixing of air at different

temperatures around the air gap at the base of the tube increases the local turbulence.

Figure 8. C2
n as a function of the temperature difference between the primary mirror and the ambient air, measured just above the

primary mirror (left). When the dome is closed (middle), there is exquisite sensitivity to ∆T, while when the dome is closed (right),
C2

n remains low for small ∆T, presumably due to flushing, and a transition to turbulence occurs near 3◦C.

illustrates that daytime tests are of limited operational value, although they can be useful to provide guidelines
in this extreme environment.

We ran turbulence measurements during mirror heating with the dome both closed and open (Figure 8).
When the dome is closed, the environment around the telescope is very stable and we are very sensitive to
minute heating. However, when the dome is open, which is much more representative of operational conditions,
even low wind clears out some heat and we need to increase the temperature difference between the primary
mirror and the ambient air to be able to measure the turbulence. Unfortunately, when the dome is open, sunlight
differentially heats parts of the dome (we tried to prevent direct sunlight hitting the telescope during those tests),
contributing to local turbulence.

Nonetheless we find that there is a regime (for ∆T < 3◦C) where the air gap allows to flush the turbulence
above the primary. The validity of these experiments is limited in day time, and a ruggedized version of
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AIRFLOW could be deployed in future observing seasons to provide quantitative control of the primary mirror
temperature.

3.3 Operations

The observation software was inherited from the previous version of the instrument. Thanks to the modularity
of the adopted software solution, the two new 2K×2K backside illuminated cameras (ANDOR iKon-L 936 and
FLI Kepler KL400) could be implemented rather easily. The main difference with the previous version is that
the blue channel KL400 camera is used both as a guiding and a science detector. Short exposures (ranging
from 0.1 to 5 seconds) are stacked to form ∼ 1 minute exposures. The particular sensor operation of the KL400
allows digitizing non-destructively the same image with two independent amplifier gain values using a 12 bits
quantization (Low and High gains). The idea behind this operation mode being to have a finer sampling of lower
intensities and a coarser sampling for higher intensities. FLI uses a somewhat complex procedure to calibrate
these two images and stitch them together to form a full, 16 bits-equivalent image. In practice this stitching
procedure was found too complex to be implemented on ASTEP+, and the non-linearity of each image resulted
in non-satisfactory results for photometric purposes. Instead, a custom solution relying on the ”linearization” of
each frame using calibrated look-up-tables was envisaged but not yet implemented. In the current version of the
software, only the high gain stacked images are used as science frames. The low gain images are used for guiding
on brighter nearby stars when possible since they are less prompt to too high background levels situations, and
the high gain images are used when the single-frame exposure time needs to be very short (below 2 seconds).

3.4 Guiding

In the previous version of our instrument, a guiding camera was used solely for guiding while ASTEP+ exploits
the fast readout capability of the FLI KL400 camera to guide and save stacked science frames. Due to the
mount inertia and the mechanical backlash, the guiding frequency can hardly be higher than 1 Hertz. Based
on tests performed at the beginning of the polar winter season we set the guiding corrections frequency to
0.5 Hz. Typically when the target star is brighter than V∼11, the frame cadence is increased, but we keep the
mount guiding corrections to be below or equal to 0.5 Hz. Unfortunately, with increasing nighttime duration and
temperatures going down below -50◦C we experienced random and too frequent communication losses between the
acquisition PC and the instrument. After thorough investigations, we identified the USB3-to-Ethernet converter
cable as the most probable cause of these failures. The distance between the telescope and the laboratory
where the acquisition computer is hosted was about 60m, within the capability of the USB-Ethernet converter.
Disgracefully, the frost imposes special cables able to resist to extreme temperature and the one we had was not
sufficient for the required specifications of the USB3 norm on this distance. To avoid frequent interruptions in
the acquisition, we decided to operate only the red camera, and to update the guiding from the science images
at a least frequent rate. This proved to be efficient, and we did not noticed degradation of the photometric
accuracy.

An upgrade of this cable is foreseen for the next instrument update campaign. In the meantime, we are
investigating software solutions to mitigate the data losses caused by frequent communication failures. Note that
this sometimes also affects the red Andor camera, but at a much lower rate (this camera uses an USB2 protocol).
In the future, the new direct-drive mount will allow more frequent guiding updates which would also increase
the precision.

3.5 Focusing

The focus of the images on the two detectors can be adjusted independently thanks to a movable lens placed
just before the camera. During the first tests, the focus proved to be very sensitive to the external temperature,
due to the thermal dilatation of the telescope parts. The focus is determined manually from the quality of the
images and is adjusted regularly when the temperature changes. An empirical temperature dependency law has
been determined. In the future, we foresee to set-up an automatic focus adjustment procedure.
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Figure 9. Transmission of the two channels of the new focal box calculated from theoretical transmission curves as compared to the
GAIA blue and red channels.

4. FIRST RESULTS

One of the important characterization of the new focal box consists in the comparison between the theoretical
transmission of its two photometric channels with other photometric measurements, particularly from space. In
Figure 9, we present the response of the two-color channels together with the estimated response of the GAIA
filters. The transmissions of the blue and red channels of the new focal box are almost identical to the GAIA
blue and red channels respectively, although both channels are slightly redder. The transmission of the GAIA
red filter is also much higher. Figure 10 shows the B and R flux of the stars in the ASTEP field (here the WASP
131 field) normalised to the brightest star of the field as compared to the GAIA B and R magnitudes. It shows
an almost unity slope of the flux to the magnitude, so without biased estimation, and with a different vertical
offset due to the difference in transmission.

To be more precise in the color magnitude determination, figure 11 shows a comparison between B-R measured
on all stars of the field of WASP131 using SExtractor software17 to the color magnitude B-R of the same stars
in the GAIA catalogue.The B-R color response of the new focal box to stars of different effective temperatures is
also almost the same as that of GAIA, with a different zero point. The magnitude difference between ASTEP+
B-R and GAIA is estimated to 1.5 magnitude.

After a period of tests and adjustment, normal operations started at the end of March 2022. An usual
observing sequence permits to follow the field around a given star (usually a star known to exhibit transiting
exoplanets) for a period of several hours. These observations permit to confirm the parameters of the transit
(depth, duration, mean time) and to exclude false detection due to background binaries. It also allows the
determination of updated ephemerides for future observations by space mission. When close to the winter
solstice, the observations could be almost continuous, allowing the observation of very long transits.

Figure 12 shows an example of lightcurves in two colors obtained with the new focal box. Here, we show the
transit of WASP-19b that we already observed in 2013 with a single camera.18 The transit has been recorded in
two colors, blue and red, with a similar precision. The dispersion of the measurement is of 0.80 ppt (parts per
thousand) and 1.19 ppt for an integration of 2 minutes in the Blue and in the Red channels respectively. This
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Figure 10. Comparison of the color magnitude B (resp. R) measured on stars of the field of WASP131 as compared to the value B
(resp. R) of the same stars in the GAIA catalogue.

Figure 11. B-R ASTEP+ magnitude computed on the same field and compared to the B-R magnitudes of the stars from the GAIA
catalogue.
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Figure 12. Example of a two color photometric transit of exoplanet WASP-19b recorded at Dome C with ASTEP+ on 2022-04-11.
The red points correspond to the data obtained in the ASTEP+ red channel. The blue points correspond to the data obtained
in the ASTEP+ blue channel. Note that the transit is achromatic (as expected), and it occurs ∼ 7 mns earlier than expected, a
consequence of the accumulation of errors on the ephemerides.

has to be compared to the previous dispersion of 1.7 ppt on the same star observed in 2021 with the previous
camera. It can be seen that the transit is slightly in advance with respect to the known ephemerides, showing
the need for follow-up with instruments such as ASTEP+ to refine the ephemerides for future space missions
and to determine possible Transit Timing Variations (TTV) due to the presence of other planets in the system.

5. CONCLUSION

A new two-color focal box was successfully installed on the ASTEP telescope at Concordia station for the follow-
up of transiting exoplanets. Despite a failure in the communication with one of the camera, the installation was
realized without major issues. The new focal box is heavier than the previous one, so we could fear that the
guiding could be problematic, as the mount had shown problems in the past. To the contrary, the telescope
behaviour and the first results show no problems with the guiding. The quality of the data, even with one
camera, is significantly improved with respect to previous observations. With two cameras simultaneously, the
determination of transits would be more precise

The cause of the communication issue with the blue camera has been identified and will be solved by next
year, allowing a complete use of the focal box. The comparison of the color magnitudes of ASTEP+ with GAIA
shows an excellent correlation and allows to determine absolute magnitudes from ASTEP+ data.

In the future, we will also change the telescope mount for a more powerful one, without gears, allowing faster
pointing and guiding which should increase again the performance and allow other type of observing programs.
This new mount should be installed in 2024.
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W., Matson, R. A., Matthews, E. C., Mékarnia, D., Pepper, J., Scott, N., Shectman, S. A., Schlieder, J. E.,
Schmider, F.-X., Stevens, D. J., Teske, J. K., Triaud, A. H. M. J., Charbonneau, D., Berta-Thompson,
Z. K., Burke, C. J., Daylan, T., Barclay, T., Wohler, B., and Brasseur, C. E., “TOI-1231 b: A Temperate,
Neptune-sized Planet Transiting the Nearby M3 Dwarf NLTT 24399,” AJ 162, 87 (Sept. 2021).

[10] Kaye, L., Vissapragada, S., Günther, M. N., Aigrain, S., Mikal-Evans, T., Jensen, E. L. N., Parviainen, H.,
Pozuelos, F. J., Abe, L., Acton, J. S., Agabi, A., Alves, D. R., Anderson, D. R., Armstrong, D. J., Barkaoui,
K., Barragán, O., Benneke, B., Boyd, P. T., Brahm, R., Bruni, I., Bryant, E. M., Burleigh, M. R., Casewell,
S. L., Ciardi, D., Cloutier, R., Collins, K. A., Collins, K. I., Conti, D. M., Crossfield, I. J. M., Crouzet,
N., Daylan, T., Dragomir, D., Dransfield, G., Fabrycky, D., Fausnaugh, M., Fuűrész, G., Gan, T., Gill, S.,
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J., Mékarnia, D., Morales, F. Y., Moyano, M., Palle, E., Parmentier, V., Relles, H. M., Schmider, F.-X.,
Schwarz, R. P., Seager, S., Smith, A. M. S., Tan, T.-G., Taylor, J., Triaud, A. H. M. J., Twicken, J. D.,
Udry, S., Vines, J. I., Wang, G., Wheatley, P. J., and Winn, J. N., “Transit timings variations in the
three-planet system: TOI-270,” MNRAS 510, 5464–5485 (Mar. 2022).

[11] Wilson, T. G., Goffo, E., Alibert, Y., Gandolfi, D., Bonfanti, A., Persson, C. M., Collier Cameron, A.,
Fridlund, M., Fossati, L., Korth, J., Benz, W., Deline, A., Florén, H.-G., Guterman, P., Adibekyan, V.,
Hooton, M. J., Hoyer, S., Leleu, A., Mustill, A. J., Salmon, S., Sousa, S. G., Suarez, O., Abe, L., Agabi, A.,
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Nascimbeni, V., Nielsen, L. D., Olofsson, G., Osborn, H. P., Osborne, H. L. M., Ottensamer, R., Pagano,
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ABSTRACT

Determining the mechanism responsible for the plasma heating and particle acceleration is a funda-

mental problem in the study of the heliosphere. Due to efficient wave-particle interactions of ion-scale

waves with charged particles, these waves are widely believed to be a major contributor to ion energiza-

tion, and their contribution considerably depends on the wave occurrence rate. By analyzing the radial

distribution of quasi-monochromatic ion-scale waves observed by the Parker Solar Probe, this work

shows that the wave occurrence rate is significantly enhanced in the near-Sun solar wind, specifically

21%−29% below 0.3 au, in comparison to 6%−14% beyond 0.3 au. The radial decrease of the wave

occurrence rate is not only induced by the sampling effect of a single spacecraft detection, but also by

the physics relating to the wave excitation, such as the enhanced ion beam instability in the near-Sun

solar wind. This work also shows that the wave normal angle θ, the absolute value of ellipticity ε,

the wave frequency f normalized by the proton cyclotron frequency fcp, and the wave amplitude δB

normalized by the local background magnetic field B0 slightly vary with the radial distance. The

median values of θ, |ε|, f , and δB are about 9◦, 0.73, 3fcp, and 0.01B0, respectively. Furthermore,

this study proposes that the wave mode nature of the observed left-handed and right-handed polarized

waves corresponds to the Alfvén ion cyclotron mode wave and the fast-magnetosonic whistler mode

wave, respectively.

Keywords: Plasma physics (2089) — Space plasmas (1544) — Solar wind (1534)

1. INTRODUCTION

In weakly-collisional plasmas, one of the major mech-

anisms determining ion energization (ion plasma heat-

ing and ion acceleration) is wave-particle interactions

of ion-scale waves (e.g., Verscharen et al. 2019; Zhao et

al. 2022). Observations of highly anisotropic heavy ion

temperatures with T⊥ > T‖ from UVCS on SoHO (Kohl

et al. 1998) suggest ion-scale waves (in particular, ion

cyclotron waves) are responsible for ion energization in

the solar corona (e.g., Cranmer et al. 1999; Isenberg et

al. 2001; Marsch & Tu 2001; Liewer et al. 2001; Hollweg

Corresponding author: Jinsong Zhao

js zhao@pmo.ac.cn

& Isenberg 2002), where T⊥ and T‖ denote the temper-

atures perpendicular and parallel to the magnetic field,

respectively. Also, ion cyclotron waves are usually pro-

posed to locally energize and/or scatter solar wind ions

(e.g., Marsch & Tu 2001; Kasper et al. 2008, 2013; He

et al. 2015; Vech et al. 2021; Bowen et al. 2022; Ofman

et al. 2022; Verniero et al. 2022). These energizations

are accomplished by cyclotron interactions between ions

and ion-scale electromagnetic waves (e.g., Hollweg &

Isenberg 2002). For example, from ion measurements

by Helios and Wind, Marsch & Tu (2001) and He et

al. (2015) have shown observational evidences of pitch

angle diffusion of solar wind ions induced by cyclotron

wave-particle interactions. Recently, Bowen et al. (2022)

provided a similar pitch angle diffusion signature in the

presence of ion cyclotron waves from Parker Solar Probe
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(PSP) observations, and they concluded that cyclotron

heating occurs in the near-Sun solar wind. Moreover, cy-

clotron resonant damping of ion-scale waves is proposed

as one of the leading candidates for the dissipation of

the solar wind turbulence (e.g., Leamon et al. 1998).

Therefore, to better understand the micro wave-particle

interaction process related to ion-scale waves in the so-

lar wind, information on wave parameters needs to be

explored.

Before PSP, ion-scale waves were detected at the he-

liocentric distances larger than 0.3 au (e.g. Jian et al.

2009, 2010; He et al. 2011; Podesta & Gary 2011; Jian

et al. 2014; Boardsen et al. 2015; Wicks et al. 2016; Zhao

et al. 2018; Woodham et al. 2019). For example, Jian et

al. (2009) performed a relatively comprehensive analysis

for ion-scale waves in the solar wind near 1 au by us-

ing the STEREO observations, and they explored three

main features of the observed waves (also see Jian et

al. 2014), i.e., the wave frequency locating around the

proton cyclotron frequency, the waves propagating in

the direction quasi-parallel and antiparallel to the back-

ground magnetic field, and the waves nearly behaving

both left-handed (LH) and right-handed (RH) circularly

polarized in the spacecraft frame. Jian et al. (2010) then

observed similar LH and RH ion-scale waves in the solar

wind near 0.3 au based on the MESSENGER measure-

ments. These LH and RH waves were proposed to be ion

cyclotron waves by Jian et al. (2009, 2010). Boardsen

et al. (2015) further studied the radial distribution of

ion-scale waves from 0.3 to 0.7 au, and they found that

these waves occupy about 6% of the observation time of

the MESSENGER. In addition to the polarization anal-

ysis relating to the power spectral matrix (Jian et al.

2009, 2010, 2014; Boardsen et al. 2015), the analysis of

the magnetic helicity signature also showed the preva-

lence of ion-scale waves in the solar wind (e.g., He et al.

2011; Podesta & Gary 2011; Wicks et al. 2016; Zhao et

al. 2018; Woodham et al. 2019).

Recently, based on PSP measurements, ion-scale

waves have been studied at the heliocentric distances

below 0.3 au (Bale et al. 2019; Bowen et al. 2020a,b,

2022; Verniero et al. 2020, 2022; Huang et al. 2020;

Duan et al. 2021; Klein et al. 2021; Shi et al. 2021; Vech

et al. 2021). Through statistical analysis of the data

in the first Encounter of PSP, Bowen et al. (2020b) ex-

plored an unexpected high occurrence rate of ion-scale

waves, for example, waves can occupy 30%-50% of the

time in radial magnetic field intervals. Verniero et al.

(2020) analyzed two ion-scale wave events containing

proton beams, and they showed that the observed LH

and RH ion-scale waves correspond to the ion cyclotron

and fast-magnetosonic waves, respectively, which are

both produced by proton beam instabilities. Bowen et

al. (2020a), Klein et al. (2021), and Shi et al. (2021) also

showed a close connection of the observed LH and RH

ion-scale waves with the ion cyclotron wave and fast-

magnetosonic wave. Additionally, Huang et al. (2020)

and Duan et al. (2021) provided observational evidence

of coexistence of quasi-parallel and quasi-perpendicular

ion-scale waves.

In this paper, following recent observations of ion-scale

waves by PSP (e.g., Bowen et al. 2020a,b; Verniero et al.

2020), we aim to explore the radial distribution of ion-

scale waves in the inner heliosphere based on five years of

PSP observations. PSP provides a unique opportunity

to detect the ion-scale wave that extends from the solar

corona to the solar wind near the Earth (Kasper et al.

2021).

This paper is organized as follows. Section 2 intro-

duces the data and methodology. Section 3 shows the

radial distributions of the observed waves. Section 4

identifies the wave mode nature. The discussion and

summary are given in Section 5 and 6, respectively.

2. DATA AND METHODOLOGY

Since this paper pays attention to quasi-monochromatic

ion-scale waves and the related background plasma en-

vironment, we use both magnetic field and plasma pa-

rameters measured by the FIELDS instrument (Bale et

al. 2016) and Solar Wind Electrons Alphas and Protons

(SWEAP) instrument (Kasper et al. 2016). We consider

data during Encounters 1-11, when the FIELDS magne-

tometer provide high-resolution data with sample rate

(∼ 73 − 293 Hz) higher than the frequency (∼ 0.1 − 10

Hz) of ion-scale waves of interest. We use data from

both the Solar Probe Cup (SPC; Case et al. 2020) and

the Solar Probe ANalyzers for Ions (SPAN-I; Livi et al.

2022) to collect the solar wind speed, number density,

and temperature. Through SPC and SPAN-I measure-

ments, we can cross check the plasma parameters.

In order to identify quasi-monochromatic ion-scale

waves from PSP observations (e.g., Bowen et al. 2020b;

Verniero et al. 2020), the wave analysis is performed by

the method similar to Zhao et al. (2019, 2020) and Shi

et al. (2021), and then ion-scale wave events are picked

under the following identification procedures.

The first procedure is to obtain the magnetic fluctua-

tions δB(f, t) with varying frequency f and time t. The

time series magnetic field data are divided into consec-

utive overlapping time windows. The sliding time win-

dow tsliding is 35 minutes and the overlapping time is

5 minutes. In each time window, the background mag-

netic field B0 is given by smoothly averaging B at the

time of the maximum of 20 s and 20/fcp, where fcp is
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the proton cyclotron frequency. According to the fre-

quencies of observed ion-scale waves with f & 0.5fcp in

the solar wind between 0.3 and 0.7 au (Jian et al. 2010;

Boardsen et al. 2015) and f being of the order of 1 Hz in

the solar wind below 0.3 au (e.g., Bowen et al. 2020b),

this averaging time is about at least 10 times longer than

the wave period. Then, the wavelet transform is used

to deal with B(t) during tsliding via (Torrence & Compo

1998)

W (s, t) =

N−1∑
i=0

ψ

(
ti − τ
s

)
B (ti) , (1)

where s denotes the wavelet scale, and τ denotes a

time parameter. The center part with 30 minutes

in tsliding is chosen to perform the wave analysis (the

two edge parts with 2.5 minutes are not used to ana-

lyze the waves due to the edge effects in the wavelet

transform). Also, the wavelet transform is dealt with

in the magnetic field-aligned coordinates defined as

(e1 ≡ (eB0
× eR) × eR, e2 ≡ eB0

× eR, e3 ≡ eB0
),

where eB0 ≡ B0/|B0| is the unit vector of the back-

ground magnetic field, and eR = R/|R| is the unit

radial vector. Note that the Morlet wavelet ψ(η) =

π−1/4eiω0ηe−η
2/2 is implemented to perform the trans-

form, where ω0 represents the nondimensional frequency

and ω0 = 6 is used (Torrence & Compo 1998). Hence,

δB(f, t) = W (s, t) can be obtained through the rela-

tion of f = (ω0 +
√
ω2

0 + 2)/(4πs) (Torrence & Compo

1998). For giving sufficient information of the wave fre-

quency distribution, the wavelets with the number be-

ing the nearest large integer of 36× log10(fmax/fmin) are

used to equally separate the frequency region between

fmin = 0.1fcp and fmax = max (20 Hz, 10fcp) in the log-

arithmic space. Moreover, when fB < 20fcp (fB is the

sample frequency of B), fmax is fixed at 30 Hz that can
well capture all quasi-monochromatic ion-scale waves.

The second procedure is to give the wave parame-

ters by using the singular value decomposition (SVD)

method. Santoĺık et al. (2003) have shown that using

the SVD for the matrix in the following equation

RS11 RS12 RS13

RS21 RS22 RS23

RS31 RS32 RS33

0 −IS12 −IS13

−IS21 0 −IS23

−IS31 −IS32 0


· k = 0, (2)

one can obtain three eigenvalues (i.e., the largest eigen-

value λl, the intermediate eigenvalue λm, and the small-

est eigenvalue λs) and the corresponding unit vector

κ = k/k associating with λs. Here, Sij = 〈δBiδB∗j 〉 (the

superscript “*” denotes the complex conjugate, and the

symbol “〈〉” denotes an average over 8 periods, i.e., 1/f),

and R and I represent the real and imaginary parts of

the variable Sij, respectively. Then, it can directly give

several key parameters that describe the fluctuations,

i.e., the degree of polarization DOP(f, t), the wave nor-

mal angle θ(f, t), and the ellipticity ε(f, t), through the

following expressions (e.g., Samson & Olson 1980; San-

toĺık et al. 2003),

DOP =

√
3

2

trace(S2)

trace(S)2
− 1

2
=

√∑
j,k (λj − λk)

2

2
(∑

j λj

) , (3)

θ= arctan

(√
κ2

1 + κ2
2

κ3

)
, (4)

ε=
λm
λl
, (5)

where the subscripts “j” and “k” correspond to “l”,

“m”, or “s”, and κ1, κ2, and κ3 denote the three com-

ponents of κ in the (e1, e2, e3) coordinate system. For

describing left-hand or right-hand polarization for the

waves, ε is further given as ε = (λm/λl) × sign(IS12),

which can explore the magnetic polarization of quasi-

parallel/antiparallel waves. Thus, we can conveniently

identify the wave event by combining these parame-

ters. For example, for quasi-monochromatic and quasi-

parallel ion-scale waves, they have high DOP, small θ,

and large |ε| (the quantitative criteria for these param-

eters are proposed in the next procedure). However,

we cannot distinguish the wave propagating direction

parallel or antiparallel to the background magnetic field

through SVD method (e.g., Santoĺık et al. 2003). Note

that DOP determines coherence of the fluctuations.

The third procedure is to collect wave and plasma
parameters:

(1) For collecting wave parameters, DOP(f, t), θ(f, t),

and ε(f, t) are averaged over the time interval ∆tcoll =

10 s (this time is chosen by the experience), and

DOP(f), θ(f), and ε(f) at each f are obtained. We

note that ∆tcoll is approximately half of the mean dura-

tion of the wave events (∼ 21 seconds) found by Bowen

et al. (2020b), who performed the statistics of ion-scale

waves in Encounter 1.

(2) The wave is selected based on the criteria of

DOP(f) > 0.75, |ε(f)| > 0.60, and θ(f) < 30◦. These

criteria differ somewhat from those used in the statisti-

cal work of Boardsen et al. (2015), where DOP(f) > 0.7,

|ε(f)| > 0.65, and θ(f) < 40◦. However, they can ef-

fectively select quasi-monochromatic and quasi-parallel

ion-scale waves of interest (see discussions in Section 5).

Three other criteria are further used to pick the event.
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The first extra criterion is T ≥ 20 s. Here, T is de-

fined as the total time of continue time intervals ∆tcoll

when the criteria of DOP, |ε(f)|, and θ are satisfied, and

T = n∆t∆tcoll for the number of continue ∆tcoll being

n∆t. The T ≥ 20 s criterion indicates that one whole

wave event survive at least two successive ∆tcoll. The

second extra criterion is that the wave event must cover

at least nf = 4 wavelets during ∆tcoll (nf denotes the

number of the continue wavelets in the presence of the

waves of interest, and the choice of nf = 4 is based on

the experience). The third extra criterion is that when

there exist multi waves with the same sign of ε (i.e.,

ε > 0 or ε < 0) but with different frequency bands dur-

ing ∆tcoll, only the waves covering the maximum num-

ber of wavelets are collected. This criterion can roughly

pick the waves with strongest amplitude. In fact, com-

paring to one band wave, multi band waves with the

same polarization are uncommon. Under these crite-

ria, we finally obtain the information of DOP, ε, θ, and

the wave frequency band ∆f = fupper − flower, where

fupper and flower denote the upper and lower boundaries

of the wave frequency band. Using the identified wave

frequency band (i.e., flower − fupper), we filter the mag-

netic fields B and average the peaks of filtered magnetic

field fluctuations as the proxy of the wave amplitude δB.

(3) Plasma parameters (including the solar wind

speed, number density, and temperature) are directly

collected by averaging over an extended time inter-

val of 50 seconds (the choice of this time interval is

based on experience). In the absence of valid plasma

measurements during this time interval, we set plasma

parameters as null values.

Through aforementioned procedures to process the

high-resolution magnetic field data from the FIELDS

flux-gate magnetometer (Bale et al. 2016), we obtain a

wave dataset containing 409,888 data (the duration of

each data is ∆tcoll) for ion-scale waves of interest dur-

ing Encounters 1-11. The total duration of the waves is

approximately 47.4 days, occupying ∼ 20% of the total

observation time of PSP.

3. RADIAL DISTRIBUTIONS OF OBSERVED

ION-SCALE WAVES

The radial distributions of observed ion-scale waves

are shown in Figure 1. The data is redistributed into

26 radial bins in the heliocentric distance r between

0.05 and 0.7 au, and each bin occupies equally 0.025

au. The median value (also known as second quartile)

of wave parameters in each bin is denoted by the dark

red point, and the lower (upper) error bar is the differ-

ence between the second quartile and the lower (upper)

quartile, where the lower (upper) quartile corresponds

101

102

103

104

Figure 1. Radial distributions of ion-scale waves: (a) the
weighted frequency, fsc; (b) fsc normalized by the proton
cyclotron frequency, fsc/fcp; (c) the weighted wave normal
angle, θ; (d) the wave amplitude, δB; and (e) δB normalized
by the background magnetic field, δB/B0. The filled points
represent the median of each variable (the second quartile)
in each radial bin, and the lower/upper error bar denotes the
difference between the lower/upper quartile and the second
quartile.

to the median of the set of values less (greater) than the

second quartile.

Figure 1(a) shows the radial distribution of the

weighted wave frequency fsc in the spacecraft frame.

Here, fsc is defined as fsc =
∑fupper

f=flower
[fPB⊥(f)]

/
∑fupper

f=flower
PB⊥(f), where PB⊥(f) = 2δt[δB2

1(f) +

δB2
2(f)] is the power spectral density of the perpendic-

ular magnetic field fluctuation (e.g., Lion et al. 2016),

δB1,2(f) is the average value at each f in the wave

frequency band during ∆tcoll, and δt is the time resolu-

tion of the magnetic field used in the wavelet transform.

In fact, 2δt in the expression of PB⊥(f) does not con-

tribute to the calculation of fsc. From Figure 1(a), we

see that fsc is considerably decreasing with increasing



5

101

102

103

104

101

102

103

104

Figure 2. (a) Occurrence rates of LH (red color) and RH
(blue color) polarized waves. (b) The radial distributions of
ellipticity ε of LH and RH waves. (c) Joint distributions of
ellipticity |ε| and angle θBR between the magnetic field B and
the radial vector R for LH and RH waves. The descriptions
of the filled points and error bars in Panels (b) and (c) are
the same as those in Figure 1.

r as r . 0.4 au, and it slightly varies at larger r (e.g.,

r & 0.5 au). Actually, the observed frequency fsc con-

sists of the wave frequency fpl in the plasma frame and

the Doppler shift frequency V0 · k/(2π) resulting from

the solar wind flow V0, that is, fsc = fpl + V0 · k/(2π).

When the solar wind is super-Alfvénic (|V0| is much

larger than the local Alfvén speed VA), the Doppler

shift frequency is the dominant part in fsc. We will

remove the Doppler shift frequency and estimate fpl in

Section 4.

Figure 1(b) exhibits fsc normalized by the proton cy-

clotron frequency fcp = eB0/(2πmp). This distribu-

tion is slightly varying with r, and the median value of

fsc/fcp is around 3 throughout radial distances.

Figure 1(c) presents the radial distribution of the

weighted wave normal angle θ, which is defined as

θ =
∑fupper

f=flower
[θ(f)PB⊥(f)] /

∑fupper

f=flower
PB⊥(f). This

distribution is nearly unchanged with varying r, and

the median value is about 9◦. This characteristic value

(θ ' 9◦) is nearly consistent with previous statistical re-

sults explored by Boardsen et al. (2015) and Bowen et al.

(2020b). For example, Boardsen et al. (2015) showed the

peak of the distribution of θ residing ∼ 7◦, and Bowen

et al. (2020b) exhibited the median value in their statis-

tical θ in Encounter 1 being ∼ 5◦.

Figure 1(d) shows the radial distribution of the wave

amplitude δB. δB obviously decreases with increasing r

in the near-Sun solar wind with r . 0.4 au. For example,

the median δB is about 3 nT at r ∼ 0.075 au and 0.3

nT at r ∼ 0.4 au. At r & 0.4 au, the wave amplitude

slightly decreases with increasing r.

Figure 1(e) shows the radial distribution of the wave

amplitude δB normalized by B0. This figure exhibits

that δB/B0 is slightly varying with r, and the median

value is around 0.01.

Figure 2 further classifies observed ion-scale waves into

LH and RH polarized waves and exhibit their statistical

distributions. The LH and RH waves correspond to the

waves with ε < −0.6 and ε > 0.6, respectively.

Figure 2(a) presents the radial distribution of occur-

rence rates RLH and RRH (defined as the ratio between

wave occurrence time and total observation time in each

bin) of LH and RH waves. Both RLH and RRH enhance

at r . 0.3 au, in which RLH +RRH is about 21%− 29%

(RLH ∼ 12%−24% and RRH ∼ 4%−9%) in the defined

bins, comparing RLH +RRH ∼ 6%− 14% in the defined

bins at r & 0.3 au. The total wave occurrence rate be-

low 0.3 au (beyond 0.3 au) is about 26% (11%). Our

wave occurrence rate beyond 0.3 au is larger than that

explored by Boardsen et al. (2015), who found the occur-

rence rate being around 6% between 0.3 and 0.7 au by

using nearly 4 years data from MESSENGER mission.

The reason of this difference may come from different

wave identification methods and different datasets used

in this work and the work of Boardsen et al. (2015).

When our data are limited to the same time interval as

Bowen et al. (2020b), the wave occurrence rate approx-

imates 30%, and it is nearly 43% at |θBV − 90◦| > 60◦

(θBV is the angle between B0 and V0), which supports

the finding of high occurrence rate of ion-scale waves by

Bowen et al. (2020b).

Figure 2(b) presents the radial distributions of ellip-

ticity ε of LH and RH waves. Both LH and RH waves

have similar ellipticity distributions that are nearly un-

changed with varying radial distance. The median value

of ellipticity εm is around −0.73 for LH waves and 0.76

for RH waves.

Figure 2(c) presents joint distributions of |ε| and θBR

(the angle between B0 and R) for both LH and RH
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Figure 3. The PDF distributions of (a) all data PDFall(θ̄BV, r), (b) the wave data PDFwave(θ̄BV, r), and (c) the data without
the waves PDFNOwave(θ̄BV, r) in three radial regimes: r = 0.05− 0.2 au (blue), r = 0.2− 0.35 au (orange), and r = 0.35− 0.7
au (red). The distributions of the occurrence rate Nwave(θ̄BV, r)/Nall(θ̄BV, r) of all waves (d), NLH(θ̄BV, r)/Nall(θ̄BV, r) of LH
waves (e), and NRH(θ̄BV, r)/Nall(θ̄BV, r) of RH waves (f). Panels (g)-(i): similar to Panels (d)-(f), but for the ratio between the
data numbers with and without the waves. θ̄BV = 0◦ − 90◦ is equally separated into 18 bins with the width of 5◦. The solar
wind velocity V0 used here comes from SPAN-I measurements.

waves. This figure shows that the majority of both LH

and RH waves concentrate in the near-radial magnetic

field environments where θBR < 30◦ and θBR > 150◦.

The similar distributions have been reported by previ-

ous studies (e.g., Jian et al. 2010; Boardsen et al. 2015;

Bowen et al. 2020b).

The most important finding explored by Figure 2

is the enhancement of the wave occurrence rate in

the near-Sun solar wind. However, because single-

point spacecraft measurements provide only a reduced

spectrum, the strength of the spectrum of quasi-

parallel/antiparallel waves decreases when the devia-

tion between B0 and V0 increases, while the strength of

the spectrum of the background anisotropic turbulence

increases (Bowen et al. 2020b). As a result, the sam-

pling effect of quasi-parallel and antiparallel ion-scale

waves due to single spacecraft measurements can lead

to the wave signature being masked by the background

anisotropic turbulence (Bowen et al. 2020b), especially

in the solar wind environment where there is a large

deviation of B0 from V0. Normally, the deviation be-

tween B0 from V0 enhances with increasing r due to the

configuration of the solar wind magnetic field (i.e., the

Parker spiral). The sampling effect may be one reason

for forming the radial distribution of the wave occur-

rence rate shown in Figure 2. Therefore, we proceed

to analyze the dependence between the occurrence rate

and the sampling effect.

Considering two facts, i.e., (1) the key factor being the

deviation of B0 from V0, and (2) the radial change of

the wave occurrence rate, the data are cut into the bins

with different r and different θ̄BV. Here, θ̄BV is defined

as θ̄BV = θBV at θBV ≤ 90◦ and θ̄BV = 180◦ − θBV at

θBV > 90◦ to represent the deviation of B0 from V0. In

order to have sufficient number of the data in different

r regimes, we separate the radial distance between 0.05

and 0.7 au into three regimes, i.e., r = 0.05−0.2 au (in-

cluding 196,486 wave data of interest and 682,398 data of

total PSP observations), 0.2−0.35 au (including 147,641

wave data and 707,759 total PSP data), and 0.4 − 0.7

au (including 62,841 wave data and 646,560 total PSP

data). We also divide θ̄BV into 18 equal regimes with

(j−1)×5◦ < θ̄BV < j×5◦ (j = 1, ..., 18). The number of

the total PSP data, Nall(θ̄BV, r), exceeds 10,000 in most

of the bins, and 4 bins contain Nall(θ̄BV, r) roughly be-

tween 3000 and 10,000. The number of the wave data

Nwave(θ̄BV, r) in our defined bins distributes from 11 to

39,792.

For exhibiting the distribution feature of Nall(θ̄BV, r)

and Nwave(θ̄BV, r), Figures 3(a) and (b) present the

probability distribution functions (PDFs) defined by

PDFi(θ̄BV, r) =
Ni(θ̄BV, r)

∆θ̄BV

∑
θ̄BV

Ni(θ̄BV, r)
, (6)
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for both the total PSP data “i = all” and the wave

data “i = wave”. Figure 3(c) further presents the PDF

of the number of the data without the waves in the

given bins, in which NNOwave(θ̄BV, r) = Nall(θ̄BV, r) −
Nwave(θ̄BV, r).

Figure 3(a) shows that PDFall concentration is around

θ̄BV ∼ 17.5◦ in the r regime close to the Sun, and the

peak of PDFall shifts to large θ̄BV (∼ 60◦) in the r

regime far away from the Sun. Figure 3(b) shows that

the peaks of PDFwave in r = 0.05−0.2 au and 0.2−0.35

au regimes are around θ̄BV ∼ 12.5◦, while the corre-

sponding peak in r = 0.35 − 0.7 au regime is around

θ̄BV ∼ 22.5◦. PDFNOwave shown in Figure 3(c) is more

similar to PDFall than PDFwave, and the reason is that

PDFNOwave ∼ PDFall in most of θ̄ bins.

To explore the sampling effect, Figure 3(d) presents

the occurrence rate of the waves, Nwave(θ̄BV, r) /Nall(θ̄BV, r),

as a function of θ̄BV in the three radial regimes. Figure

3(e) and (f) present the occurrence rates of LH and

RH waves, NLH(θ̄BV, r) /Nall(θ̄BV, r) and NRH(θ̄BV, r)

/Nall(θ̄BV, r), as a function of θ̄BV, respectively, where

NLH(θ̄BV, r) and NRH(θ̄BV, r) denote the number the

LH and RH wave data in the given bins.

The occurrence rate distributions in Figures 3(d)−(f)

have almost the same trends, that is, they normally de-

cease with increasing θ̄BV. This indicates that observed

ion-scale waves preferentially emerge at smaller θ̄BV, be-

ing consistent with the predictions of the sampling effect

(Bowen et al. 2020b). Moreover, the occurrence raters

in the two near-Sun solar wind regimes (r = 0.05 − 0.2

au and 0.2 − 0.35 au) are significantly larger than that

in the remote solar wind with r = 0.35 − 0.7 au at

θ̄BV . 42.5◦. The competition between the occurrence

rates in r = 0.05 − 0.2 au and 0.2 − 0.35 au regimes

is dependent on the polarization (LH or RH) of ob-

served waves. For LH waves, the occurrence rate in

r = 0.05 − 0.2 au is about 1 − 1.5 times of that in

r = 0.2 − 0.35 au at θ̄BV . 42.5◦; and the former ap-

proximates 0.7− 1 times of the latter for RH waves. At

large θ̄BV (e.g., θ̄BV & 42.5◦), the occurrence rate in

r = 0.35− 0.7 au is larger than that in r = 0.05− 0.2 au

and 0.2− 0.35 au regimes.

Figures 3(g)−(i) present the distributions of Nwave

/NNOwave, NLH/NNOwave, and NRH/NNOwave, respec-

tively. Figures 3(g)−(i) exhibit that Nwave/NNOwave,

NLH/NNOwave, and NRH /NNOwave generally decrease

as θ̄BV increases, and their values in the near-Sun so-

lar wind regimes (r = 0.05 − 0.2 au and 0.2 − 0.35

au) are larger than those in the remote solar wind with

r = 0.35 − 0.7 au at θ̄BV . 42.5◦. These observational

results are in accord with the features of the distribu-

tions shown in Figures 3(d)−(f).

According to the distributions shown in Figures

3(d)−(i), we conclude that quasi-parallel/antiparallel

ion-scale waves in the near-Sun solar wind have higher

occurrence rate than those in the remote solar wind

under the same sample effect at θ̄BV . 42.5◦.

4. THE WAVE MODE NATURE

Up to now, the wave analysis is based on the space-

craft frame. Now we proceed with the analysis of the

nature of observed ion-scale waves in the plasma frame.

Due to the Doppler shift effect, RH (or LH) waves ob-

served in the spacecraft frame normally correspond to

either the RH (or LH) mode wave propagating outward

from the Sun or the LH (or RH) mode wave propagat-

ing inward to the Sun in the plasma frame (Bowen et al.

2020b; Zhao et al. 2020; Shi et al. 2021). This ambigu-

ity can be solved by analyzing the correlation between

magnetic and velocity fluctuations (Zhao et al. 2020).

However, we cannot use this method due to PSP plasma

data having the sampling rate lower than the frequency

of the waves of interest.

Fortunately, we can conjecture the nature of the ob-

served waves according to recent understanding of the

ion composition and the excitation mechanism of ion-

scale waves in the near-Sun solar wind (Verniero et al.

2020; Klein et al. 2021; Liu et al. 2021; Ofman et al.

2022). Verniero et al. (2020) have shown that the pro-

ton beam component can have an unexpected large num-

ber density relative to the proton core component, and

they have found that most of coexistent ion-scale waves

are excited by proton beams. Klein et al. (2021) have

studied the linear stability of ion-scale waves under the

one- and two-proton component fitting of the proton ve-

locity distribution functions observed by PSP, and they

concluded that the wave characteristics are more consis-

tent with the predictions of the two-component fitting

model. According to these results, we simply assume

observed ion-scale waves in the near-Sun solar wind are

mainly triggered by free energy associated with the rel-

ative drift between the proton beam and core compo-

nents. We note that based on 309 randomly selected

spectra from the Wind observations, Klein et al. (2018)

have demonstrated that most spectra are unstable in

the presence of the proton beam, which implies that the

close connection between ion-scale waves and ion beam

may hold even in the solar wind near 1 au.

The waves generated by the electromagnetic ion beam

instability propagate in the same direction as the ion

beam in the plasma frame (Liu et al. 2021). Assuming

that this wave excitation mechanism is responsible for

the observed waves, a definitive wave propagation direc-

tion can be determined, that is, they propagate outward
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from the Sun in the plasma frame due to the ion beam

streaming away from the Sun. Thus, the LH and RH

waves observed in the spacecraft frame correspond to

LH polarized Alfvén ion cyclotron mode and RH po-

larized fast-magnetosonic whistler mode waves, respec-

tively, as shown by Zhao et al. (2020). This inference

of the wave propagation direction has been already pro-

posed by Bowen et al. (2020a), who suggested that the

vast majority of ion-scale waves they observed are an-

tisunward propagation through the analysis of effective

phase speeds.

Under the consideration of the wave excitation mech-

anism being the ion beam instability, one can estimate

the wavenumber of the observed waves as well as their

frequencies in the plasma frame through the theoretical

predictions stated below.

(1) We simply assume that the observed LH po-

larized Alfvén ion cyclotron and RH polarized fast-

magnetosonic whistler mode waves can be described by

the cold plasma model which contains only protons and

electrons. The waves are further assumed to propagate

parallel and antiparallel to B0. Hence, the dispersion

relations of the parallel waves in the plasma frame are

approximately given by (Zhao et al. 2020),

2πfpl =

(1 +
λ2
pk

2

4

)1/2

± λpk

2

VAk, (7)

where λp denotes the proton inertial length, and the

signs “+” and “−” in the square bracket represent

parallel-propagating fast-mode and Alfvén-mode waves,

respectively. We let fpl > 0 and k > 0 in Equation (7),

and this makes the phase velocity vp = 2πfpl/k > 0

which corresponds to the waves propagating along B0.

For the antiparallel waves, their dispersion relations are

given by (Zhao et al. 2020),

2πfpl = −

(1 +
λ2
pk

2

4

)1/2

± λpk

2

VAk. (8)

Different from Equation (7), here fpl > 0 and k < 0,

which result in the phase velocity vp = 2πfpl/k < 0, cor-

responding to the waves propagating against B0. More-

over, the signs “+” and “−” in the square bracket rep-

resent antiparallel-propagating Alfvén-mode and fast-

mode waves, respectively.

(2) We then consider the Doppler shift frequency part

V0 · k. V0 > 0 (V0 < 0) is defined to represent the

situation of the solar wind flowing along (against) B0.

Because we assume the waves being generated by the ion

beam instability, they propagate outward from the Sun.

Thus, in the case of V0 > 0 (V0 < 0), k > 0 (k < 0).

(3) By combining 2πfpl and V0 · k parts, we obtain

the dispersion relations of the Alfvén-mode and fast-

mode waves in the spacecraft frame (Zhao et al. 2020),

as shown by following equation,

fsc

fcp
=
λpV0 · k
VA

±

(1 +
λ2
pk

2

4

)1/2

± λpk

2

λpk, (9)

where “+” (“−”) in the first “±” in the right-hand side

of the equation denotes the waves in the case of V0 > 0

(V0 < 0). Using this equation has the advantage of

limiting fsc to a positive value (the wave direction is

determined by the sign of k). k of observed waves can

be directly obtained by inputting the observed fsc/fcp

and V0/VA into Equation (9). Once k is determined, the

wave frequency fpl in the plasma frame can be given by

fpl = fsc −
V0 · k

2π
. (10)

Moreover, according to the distribution of the waves

as a function θ̄BV shown in Figure 3, we limit the wave

data to the range of θ̄BV < 30 (i.e., θBV < 30◦ and θBV >

150◦). Additionally, the criterion of |nSPAN−I − nSPC|
/nSPAN−I < 0.5 is used to select confident plasma mea-

surements in the near-Sun solar wind, where nSPC and

nSPAN−I denote the number density detected by SPC

and SPAN-I instruments, respectively. We collect a to-

tal of 72,181 wave data, and nearly all data (71,072 data,

being consisting of 53,177 LH wave data and 17,895 RH

wave data) reside at r = 0.1 − 0.3 au (the wave mode

analysis is therefore limited to r = 0.1− 0.3 au). More-

over, the Doppler shift frequency is calculated through

V0 ·k = V0kcos(θkV), where the angle between the solar

wind and wavevector θkV equals θkV = θBV (180− θBV)

in the case of V0 > 0 (V0 < 0) under the assumption of
the parallel/antiparallel propagation.

Figures 4(a) and (b) present the distributions of

fpl/fcp and λpk of LH waves and RH waves, respec-

tively. Figure 4(a) shows that both fpl/fcp and λp|k|
are roughly decreasing with increasing r. For RH waves

shown in Figure 4(b), their fpl/fcp and λp|k| at radial

distances close to the Sun are also normally larger than

those at remote radial distances. Figure 4(c) presents

the joint distributions of fpl/fcp and λp|k| of RH waves

(fast-mode waves, upper branch) and LH waves (Alfvén-

mode waves, lower branch). This figures shows that

most (about 76%) LH wave events concentrate in the

range of fpl/fcp ∼ 0.3 − 0.8 and λp|k| ∼ 0.3 − 2, and

about 82% of RH waves are distributed in the range of

fpl/fcp ∼ 0.1− 1 and λp|k| ∼ 0.1− 2.

Although the observed waves are assumed to be driven

by free energy carried by the ion beam, it is still un-
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Figure 4. The wave frequency fpl and wavenumber k in
the plasma frame. (a) The radial distribution of fpl/fcp and
λp|k| of LH waves; (b) the radial distribution of fpl/fcp and
λp|k| of RH waves; and (c) the joint distribution of fpl/fcp
and λp|k| for LH and RH waves. The counts in the bins are
normalized by the maximum count. The descriptions of the
filled points and error bars in Panels (a) and (b) are the same
as those in Figure 1.

known whether these waves are produced locally or non-

locally. The answer to this problem requires the insta-

bility analysis under the exact information of the ion

and electron parameters (e.g., the drift speed and the

parallel and perpendicular temperatures of proton core

and beam components). However, such an analysis can-

not be performed due to lacking of these plasma infor-

mation. Here, we propose a qualitative estimation for

the percentage of the events that are possibly locally

excited. According to the ion beam instability analysis

based on fitted plasma parameters in the near-Sun so-

lar wind (Verniero et al. 2020), local excitation is nearly

inhibited at λpk ∼ 0.8, corresponding to fpl/fcp ' 0.5

for LH waves and fpl/fcp ' 1 for RH waves. Using

above frequency and wavenumber information, we find

that about 40% (44%) of LH wave events are limited to

fpl/fcp < 0.5 (λpk < 0.8) and about 74% (85%) of RH

wave events are limited to fpl/fcp < 1 (λpk < 0.8) in

data set in Figure 4. We note that this estimation is

sensitive to the frequency and wavenumber thresholds,

which are closely related to the plasma parameters (Liu

et al. 2021).

5. DISCUSSIONS

5.1. The sampling effect

For the wave and turbulence in the solar wind, their

observations from a single spacecraft are significantly

affected by the sampling effect (e.g., Fredricks & Coro-

niti 1976; Howes & Quataert 2010; Horbury et al. 2012;

Bowen et al. 2020b; Woodham et al. 2021). Conse-

quently, this sampling effect is one key factor determin-

ing the occurrence rate of the observed ion-scale waves

(Bowen et al. 2020b). The wave occurrence rate dis-

tributions shown in Figure 3 clearly exhibit the signa-

ture of the sampling effect in our wave dataset, that

is, Nwave(θ̄BV, r)/Nall(θ̄BV, r) decreases with increasing

θ̄BV (the angle between the sample direction and the

background magnetic field) in different radial regimes.

Considering the Parker spiral, the sampling effect is one

reason inducing the decrease of the wave occurrence rate

with increasing radial distance. However, since the wave

occurrence rates in the radial regime close to the Sun are

larger than those at remote radial distances at small θ̄BV

(see Figure 3(d)-(f)), we propose that in addition to the

sampling effect, there exist other mechanisms leading to

the enhancement of ion-scale waves in the near-Sun solar

wind. One possible mechanism is that the enhanced ion

beam component therein can provide more free energy

to emit more stronger ion-scale waves (e.g., Verniero et

al. 2020; Klein et al. 2021; Liu et al. 2021). The checking

of this explanation requires the information of the radial

distribution of the ion beam population, which will be

performed in the future study.

5.2. The wave identification criteria

The identification of the wave event is determined by

the criteria used in this paper. In order to show that the

set of observed waves is robust to the selection criteria,

Figure 5 presents the distributions of PDF defined by

PDF(x) = N(x)/(∆xNt) as a function of x = nf , DOP,

θ, or ε in the wave dataset below 0.3 au. Here, N(x)

denotes the number of the wave data in the bins of the

variable x, Nt denotes the total number of the wave

data, and ∆x is the bin width of the variable x.

Figure 5(a) shows that PDF(nf ) first increases and

then declines as nf increases. This figure also shows the

median value of the relative wave amplitude δB/B0 at

each nf , which indicates that larger nf normally corre-
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Figure 5. The PDF distributions of the variable: (a) nf ,
(b) DOP, (c) θ, and (d) ε. In panel (a), the blue squares
denote the relative amplitude δB/B0 at each nf .

Figure 6. (a) The number and (b) the relative wave am-
plitude δB/B0 as a function of the duration T of the wave
event.

sponds to larger δB/B0. When we choose another value

of nf (e.g., nf = 2, 3, and 5 − 10) instead of nf = 4

to select the wave event, the occurrence rate (the ra-

tio between the wave duration and the total observa-

tional time) varies as 29% (nf = 2), 28% (nf = 3), 25%

(nf = 5), 23% (nf = 6), 21% (nf = 7), 20% (nf = 8),

18% (nf = 9), and 16% (nf = 10) below r = 0.3 au.

These values are much larger than corresponding occur-

rence rates between 0.3 and 0.7 au, i.e., 13.1% (nf = 2),

12.0% (nf = 3), 8.8% (nf = 5), 7.6% (nf = 6), 6.6%

(nf = 7), 5.8% (nf = 8), 5.2% (nf = 9), and 4.6%

(nf = 10). Hence, the change of nf do not alter our

conclusion of the enhancement of the occurrence rate of

ion-scale waves in the near-Sun solar wind. The choice of

nf does change the occurrence rate of identified waves.

However, for smaller nf , the waves have smaller rela-

tive amplitude, and their wave features may be more

easily affected by the background turbulence. It should

be noted that the criterion of nf = 4 used in our wave

identification procedure is chosen by the experience, not

based on the physical judgment. It needs to develop a

physical criterion instead of the preliminary criterion of

nf = 4 to pick the waves.

Figures 5(b)-(d) show that PDF reaches the maximum

at DOP ' 0.86, θ ' 8◦, and |ε| ' 0.71. Because 99% of

events concentrate at DOP & 0.77, θ . 22◦, and |ε| &
0.63, the dataset of observed waves can be nearly the

same as we change the criteria as DOP = 0.77, θ = 22◦,

and |ε| = 0.63.

Figure 6 further shows the distributions of NT and the

relative wave amplitude δB/B0 as a function of the du-

ration T of the whole wave event, where NT denotes the

number of wave data at each T . Figure 6(a) exhibits NT
increasing with decreasing T . δB/B0 shown in Figure

6(b) is more larger for the wave event with longer dura-

tion. One may be interesting in the information of the

wave events with T < 20 s, according to the change ten-

dency of δB/B0 in Figure 6(b), these events would have

weak amplitudes being about δB/B0 ∼ 10−3. When the

T < 20 s waves are included in our dataset, the wave oc-

currence rates would be larger than the values explored

in this work. The statistics of ion-scale waves below

0.3 au by Bowen et al. (2020b) explored that the wave

number NT decreases with increasing T as T is smaller

than the mean wave duration ∼ 21 seconds. The mea-

sured distribution NT (T ) in the work of Bowen et al.

(2020b) seems to follow the lognomal distribution, in-

dicating that the waves with T ≥ 20 seconds may be

the major contributor of the total duration of the waves

with no limit of T .

5.3. The wave theory under the actual plasma

parameters

This study uses the wave theory based on cold proton-

electron plasmas to estimate the wave frequency and

wavenumber in the plasma frame. Because the effects

associating with the plasma thermal pressure and alpha

particle population play important roles in determining

the wave dispersion relation (e.g., Liu et al. 2021; Zhao

et al. 2022), our theoretical predictions merely provide

preliminary information of the wave parameters. In or-

der to obtain exact wave parameters, one should use the

wave theory under the actual plasma parameters, which

require accurate fitting of the particle velocity distri-

bution functions measured by PSP. This work will be

performed in the future.
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6. SUMMARY

This work performs a statistical study of ion-scale

waves in the inner heliosphere based on PSP observa-

tions. Using the SVD method, the waves are selected

under the criteria of DOP > 0.75, |ε| > 0.6, and θ < 30◦.

However, due to our limits on the wave duration, i.e.,

T ≥ 20 s, this study merely provides a preliminary anal-

ysis of the radial distribution of the waves.

This study finds that the wave frequency and wave

amplitude decrease considerably with radial distance be-

low 0.4 au. However, the normalized wave frequency

(by the local proton cyclotron frequency) and the nor-

malized wave amplitude (by the local background mag-

netic field) remain nearly unchanged with radial dis-

tance. The wave normal angle and ellipticity also remain

nearly unchanged with radial distance.

The most important finding is that the occurrence rate

of ion-scale waves is considerably enhanced in the near-

Sun solar wind below 0.3 au. The occurrence rate of LH

waves is nearly 1.5 − 5.8 times larger than that of RH

waves. Also, the occurrence rate in the radial regime

close to the Sun is normally higher than that in the re-

mote radial regime as the angle between the sampling

direction and the background magnetic field is approx-

imately smaller than 42.5◦. Although the sampling ef-

fect induced by one satellite measurements can lead to

the decrease of the wave occurrence rate with radial dis-

tance, the wave enhancement in the near-Sun solar wind

can also result from local wave excitation mechanisms.

For example, the ion beam instability has recently been

proposed as a source of ion-scale waves in the near-Sun

solar wind (Verniero et al. 2020; Liu et al. 2021).

For the mode nature of the observed ion-scale waves,

this work discriminates their characteristics based on

the assumption that they are driven by the ion beam

instability. We propose that LH and RH waves in the

spacecraft frame correspond to LH polarized Alfvén ion

cyclotron waves and RH polarized fast-magnetosonic

whistler wave in the plasma frame. By using the wave

theory in the cold plasma model, we estimated the

wavenumber k of the observed waves and their frequen-

cies fpl in the plasma frame, and we found that both λpk

and fpl/fcp are roughly decreasing with radial distance

below 0.3 au.

These findings can provide useful insights into the evo-

lution of ion-scale waves and their role in particle dy-

namics in the near-Sun solar wind.
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ABSTRACT
French astronomer Honoré Flaugergues compiled astronomical observations in a series
of hand-written notebooks for 1782–1830, which are preserved at Paris Observatory.
We reviewed these manuscripts and encoded the records that contain sunspot mea-
surements into a numerical table for further analysis. All measurements are timings
and we found three types of measurements allowing the reconstruction of heliographic
coordinates. In the first case, the Sun and sunspots cross vertical and horizontal wires,
in the second case, one vertical and two mirror-symmetric oblique wires, and in the
third case, a rhombus-shaped set of wires. Additionally, timings of two solar eclipses
also provided a few sunspot coordinates. As a result, we present the time–latitude
(butterfly) diagram of the reconstructed sunspot coordinates, which covers the period
of the Dalton Minimum and confirms consistency with those of Derfflinger and Prant-
ner. We identify four solar cycles in this diagram and discuss the observed peculiarities
as well as the data reliability.

Key words: Sun: sunspots – astronomical data bases: catalogs – methods: data analysis

1 INTRODUCTION

The Sun is known to exhibit a cyclic magnetic activity, but
it is important to note that it is far from being strictly
periodic (e.g. Hathaway 2015; Cameron & Schüssler 2019).
While the individual cycles all appear to be slightly differ-
ent, their ensemble is also subject to long-term modulations.
The most prominent change to the cyclicity is the Maunder
Minimum in the second half of the 17th and the beginning of
the 18th century, in which very few sunspots were seen. The
Maunder Minimum has been extensively studied in terms
of sunspot numbers or active days (e.g. Nagovitsyn 2007;
Vaquero et al. 2015; Gao 2017; Hayakawa et al. 2021a; Car-
rasco et al. 2022), regarding the availability and reliability
of reports (e.g. Hoyt & Schatten 1996; Usoskin et al. 2015;
Carrasco et al. 2021), and through proxies of solar activ-
ity (e.g. Miyahara et al. 2004; Berggren et al. 2009; Usoskin
et al. 2021; Asvestari et al. 2017; Brehm et al. 2021).

The Dalton Minimum near 1800 is less pronounced and
had been less studied until recently. Interestingly, the num-
ber of observations is smaller – especially just before the
Dalton Minimum –, but some observers cover long periods
and it is time to exploit these sources in full in order to
obtain a detailed picture of the solar activity in the Dal-

? E-mail: egor.illarionov@math.msu.ru

ton Minimum. While previous studies have looked at the
sunspot number or the group sunspot number (Usoskin et al.
2003; Nielsen & Kjeldsen 2011; Svalgaard & Schatten 2016;
Carrasco 2021, e.g.) as powerful indices of solar activity,
the recent advances in obtaining sunspot positions from the
original drawings of sunspots in the solar disk, including
an appropriate determination of the sunspot group number,
are enhancing our knowledge enormously (Hayakawa et al.
2020, 2021b). Sunspot positions from just before the Dalton
Minimum are available from Johann Staudacher in Nurem-
berg (Arlt 2009a), Peter Horrebow and his collaborators in
Copenhagen (Karoff et al. 2019), and Hamilton and Gim-
ingham at Armagh Observatory(Arlt 2009b). The present
paper aims to add further positional data to these efforts.

Cycle 4 is interesting, since it started in 1784 and either
lasted at least until about 1798 or was followed by a very
weak cycle hardly detectable in sunspot numbers. The latter
option should exhibit spots at higher latitudes in the course
of cycle 4. Usoskin et al. (2009) found that a few spots indeed
appeared at higher heliographic latitudes from the middle of
cycle 4, based on data from Armagh and Staudacher.

It is also worth mentioning that the Dalton Minimum
was first noticed not through sunspot records but through
the auroral records of John Dalton and so named afterwards
(e.g. Silverman & Hayakawa 2021). The present study is

© 2022 The Authors
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2 E. Illarionov & R. Arlt

Table 1. Links to the digitized books of astronomical observations
by Honoré Flaugergues and shelf references for the original books.

Years Link, preceded by Shelf mark
https://bibnum.obspm.fr/

1782–1798 ark:/11287/WDC9B F1/1
1798–1808 ark:/11287/1hnHF F1/2

1808–1816 ark:/11287/d6gPS F1/3

1816–1828 ark:/11287/13HDQ F1/4
1828–1830 ark:/11287/2KV00 F1/5

providing new positional data for 1788–1830, based on as-
trometric measurements.

2 DATA SET

We investigated digital images of hand-written books of as-
tronomical observations by Honoré Flaugergues located in
the library of Paris Observatory (Paris site). Table 1 con-
tains direct references to the books. The data cover the pe-
riod of 1782 to 1830, with the first sunspot observations
being in 1788 and running in parallel to the ones by Derf-
flinger (Hayakawa et al. 2020) and Prantner (Hayakawa et al.
2021a). The data recorded in the last years overlap with the
observations by Schwabe (Arlt et al. 2013) and may be in-
teresting for calibration.

We reviewed the images manually to extract a numerical
format of all records related to solar transit timings. In this
process, we also took into account textual remarks on the
observing procedure (e.g. orientation of the telescope). The
numerical records are provided in a GitHub repository1.

3 RECONSTRUCTION OF COORDINATES

3.1 Time mapping to universal time

For the convenience of further calculations, we convert the
recorded local times to the universal time system (UTC).
This requires the position of the observer and we assume
that the observer’s coordinates, corresponding to Viviers,
France, are 44◦29′ N and 4◦41′ E. Flaugergues estimated
the coordinates of the observatory as 44◦29′04′′ N and
4◦40′56′′ E (after correcting from Paris reference to Green-
wich reference) in the book of 1782–1798 (image 000023).
Flaugergues mentioned he had observed also in Aubenas –
apparently at the county council – which is a few km away
from Viviers. We consider an accuracy of one arc minute
good enough for our purposes and the expected accuracy of
the observations.

Now, given the observer’s position, we compute the
UTC time of the local noon. Then we apply the time dif-
ference between the recorded time and the local noon to
the UTC time of the local noon. Thus we obtain a mapping
from the recorded time to the UTC time. In this procedure,
we take into account that some records refer to astronomi-
cal days which start at noon of the corresponding civil day.
Due to this fact it is possible that the converted days are

1 https://github.com/observethesun/Flaugergues

Table 2. Observation on 1796 July 7 with passage times of two

solar limbs and a spot at a vertical and a horizontal wire.

Object Event Recorded time

Sun v 09:01:09

Sun h 09:02:00
Spot v 09:03:21.5

Spot h 09:04:02.5

Sun v 09:04:30
Sun h 09:05:11

±1 day from the actual date. In some cases we were unable
to resolve this uncertainty and for simplicity always use the
recorded dates.

In should be noted that in certain periods Flaugergues
used sidereal time instead of mean solar time. In particu-
lar, sidereal time was used from 1809 December 23 to 1816
September 4, from 1820 June 1 to 1823 February 6, and
from 1825 February 21 to 1825 September 3. We take this
into account when converting the recorded times to UTC.

3.2 Horizontal and vertical wires

Flaugergues used a classical cross-hair in the periods of
1796–1799 and 1824–1830. He called the wires horizontal
and vertical since indeed they are supposed to represent an
azimuthal coordinate system. Table 2 shows an example of
the transition times for the solar disk and the sunspot ob-
served on 1796 July 7. Fig. 1 illustrates these events. Note
that we plot the events assuming the direct motion of the
Sun, while Flaugergues could in fact have observed them
upside down or mirrored.

To derive the heliographic coordinates of the sunspot,
we first calculate the time differences for the solar disk tran-
sits:

∆v = t(� at v second time)− t(� at v first time)

∆h = t(� at h second time)− t(� at h first time)(1)

From equation 1, we obtain an inclination angle (de-
noted as i) between the horizontal wire and the line of the
solar motion:

|i| = arctan(∆v/∆h) (2)

Note that we assume that the angle i is negative for the
rising Sun and positive for the descending motion.

In particular, equation 1 and 2 allow the estimation of
the solar “radius”, measured in time units, by

2ρ� = ∆h sin |i| = ∆v cos |i| (3)

Note that this radius is still a time difference; the conversion
to or from an angular radius involves the declination of the
Sun at a given moment.

Then we calculate the time differences between the
sunspot and solar disk transits:

δv = t(Sunspot at v)− t(� at v first time)

δh = t(Sunspot at h)− t(� at h first time) (4)

From equations 1 and 4 we obtain x̃- and ỹ-coordinates
of the sunspot, where the x̃-axis is parallel to the horizontal

MNRAS 000, 1–14 (2022)
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Figure 1. Sequence of transits of the solar disk and the sunspot

(black dot) through the horizontal (h) and vertical (v) wires cor-

responding to Table 2. The blue circles show contacts of the solar
disk with the wires. The black circles refer to contacts of the

sunspot with the wires. The green arrow is parallel to the line of

solar motion and indicates its direction. The inclination of this
line towards the horizontal line is denoted as i. The red arrows

show an x, y-coordinate system moving together with the solar
disk. Note that the Sun is rising (i < 0).

wire, the ỹ-axis is parallel to the vertical wire, and the radius
of the Sun is unity:

x̃ = 1− 2δv/∆v

ỹ = 1− 2δh/∆h (5)

Note that the above expressions hold only if the Sun is ris-
ing. Then we rotate the (x̃, ỹ) coordinates by the inclination
angle i to obtain the (x, y) coordinates, where the x-axis is
parallel to the motion of the Sun, the y-axis points to the
northern hemisphere, and radius of the Sun is unity. The
latter coordinate system will also be used for other types of
measurements. In particular, for the transits shown in Ta-
ble 2, we obtain ρ� = 69.23 s, i = −46.46◦, x = −0.42, and
y = 0.04.

The final step is to apply the solar parameters B0, L0,
and P , computed for the time of observation, in order to
obtain the latitude b and the Carrington longitude L. In
particular, for the sunspot in Table 2, we obtain b = 5.9◦,
L = 285.6◦.

Now we discuss the modifications for the setting Sun.
Table 3 shows an example of a sunspot observation taken
after noon (note that it is the same day as in Table 2). Fig. 2
illustrates the transits of the solar disk and the sunspot.

For observations taken after noon, the inclination an-
gle i becomes positive, and in equation 5, the ỹ-coordinate
becomes mirrored:

ỹ = 2δh/∆h − 1 (6)

In particular, for the transits shown in Table 3, we ob-

Table 3. Observation on 1796 July 07.

Object Event Recorded time

Sun h 06:48:43

Sun v 06:49:48

Spot h 06:50:44
Spot v 06:51:48

Sun h 06:51:57

Sun v 06:53:06

x

y

x

y

x

y

x

y

i h

v

Figure 2. Sequence of transits of the solar disk and the sunspot

corresponding to Table 3. The notation is the same as in Fig. 1.

Note that the Sun is setting (i > 0).

tain ρ� = 69.28 s, i = 45.58◦, x = −0.33, and y = 0.02,
corresponding to a heliographic latitude of b = 5.2◦ and a
Carrington longitude of L = 285.9◦. Comparing this result
with the heliographic coordinates obtained from Table 2,
we conclude that the two sets of measurements describe the
same sunspot observed before and after noon on the same
day. The result also indicates that we interpret the observa-
tional scheme correctly.

In contrast to Table 2 and Table 3 which allow the ex-
plicit reconstruction of sunspot coordinates, there are some
incomplete observations where one or more transit events
are missing (e.g. because of clouds). If ∆h or ∆v cannot
be computed from the records, we compute the theoreti-
cal inclination angle i, based on the time and place of the
observation, and use equation 2 to reconstruct the missing
value. Fig. 3 shows that for complete observations there is
a good correlation between the analytical inclination angles
and angles derived from observations.

Fig. 4 shows the reconstructed heliographic coordinates
for the period 1796 September 1 – 1796 September 12.

Note that in the reconstruction procedure (1)–(5), we
approximated the solar motion linearly as a straight line.
In order to estimate the possible error caused by this ap-

MNRAS 000, 1–14 (2022)
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Figure 3. Comparison of the inclinations of the line of solar motion
with the horizon, computed for the given time (analytical) and

inferred from the observations (measured, i). The angles are abso-

lute values, while blue and orange colors denote negative (before
noon) and positive (after noon) signs, respectively.
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Figure 4. Sunspot observations during 1796 September 1–1796
September 12 in heliographic coordinates. Different colors cor-
respond to different days.

proximation, we calculated the absolute difference between
the inclination angle i at the time of first contact and at
the time of last contact for each record. We found that the
average difference is about 0.5◦ and the maximum value is
1◦. We assume that this effect does not dominate the other
inaccuracies in the measurements.

Table 4. Observation on 1795 March 6.

Object Event Recorded time

Spot ob 12:49:39

Sun hr 12:50:12

Spot hr 12:50:54
Spot ob 12:52:13

Sun hr 12:52:22

3.3 Oblique wires

In 1795–1800 and in 1806, Flaugergues also used a system
with an ‘hour wire’ which is a right ascension line, i.e. aligned
with the equatorial coordinate system in contrast to the hor-
izontal system of the previous Section. The hour wire is com-
plemented by two mirror-symmetric oblique wires at which
contact times are recorded as well. The symmetry follows
from the fact that, for all records, the time interval between
the contacts of the spot with the first oblique wire and the
hour wire is approximately equal to the time interval be-
tween the contacts of the spot with the hour wire and the
second oblique wire. The actual disagreement can be caused
by telescope positioning errors, which we estimate below,
and, less importantly, by the curvature of the apparent mo-
tion of the Sun.

Table 4 shows an example of transit times obtained with
this set of oblique and hour wires. Fig. 5 illustrates this
scheme. Note again that we plot the events assuming the di-
rect motion of the Sun while Flaugergues could in fact have
observed them upside down or mirrored. However, Flauger-
gues usually indicated which limb of the Sun (northern or
southern) moves along the parallel line. This allows us to
decide which part (upper or lower) should be considered.
If no mention of the limb is given, we use the information
from the previous and following days to obtain consistent
coordinates.

The angle between the hour wire and the oblique wires
is a free parameter. Below we will estimate it using an ap-
propriate set of records and show that it is close to 45◦. At
the moment we note that in Flaugergues (1814), pp. 321–
322, we find a confirmation of this estimation (translated
from French):

‘It does not appear that astronomers have, until now, used the

rhomboid reticule to observe the spots of the Sun and the Moon.
All the observations of this kind which are known to me, and for

which reticules were used, were made by means of the passages of
the spots and edges of the Sun and the Moon, or of the horns of

that latter star, when it was in crescent, through the horizontal

and vertical wires of the telescope of a quarter of a circle, or by
the hour wire and the oblique ones of a reticule of 45◦.’

As described above, if the time difference between the
contacts of the sunspot with the first oblique wire and the
hour line is not equal to the time difference between the
contacts of the sunspot with the hour line and the second
oblique wire, we need to estimate the positioning error of
the telescope.

Let ε be an inclination of the line of solar motion against
the motion direction of the telescope. We assume that ε
is positive clockwise if the Sun moves in the lower part of
oblique wires and positive counter-clockwise if the Sun is in
the upper part.
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x

y

x

y

obob hr

Upper part

Lower part

Figure 5. Sequence of transits of the solar disk and the sunspot

through the set of oblique (ob) and hour (hr) wires corresponding

to Table 4. The blue circles show contacts of the solar disk with
the wires. The black circles show contacts of the sunspot with

the wires. The dashed blue line is orthogonal to the hour line and

represents the motion of the telescope. The green arrow is parallel
to the line of solar motion and shows the direction of the motion.

The angle between the motion of the telescope and the line of
solar motion is denoted by ε (note that ε > 0 in this figure). The

red arrows show the coordinate system aligned with the solar disk

and the x-axis is parallel to the motion of the Sun.

Denote

∆1 = t(Sunspot at hr)− t(Sunspot at ob first time)
∆2 = t(Sunspot at ob second time)− t(Sunspot at hr)

(7)

Let α be the angle between either oblique wire and the mo-
tion line of the telescope (thus the angle between the hour
wire and the oblique wire is 90◦ − α). It will turn out to be
α = 45◦ below. It can be shown that

ε = arctan

(
∆2 −∆1

∆1 + ∆2
tanα

)
. (8)

If we denote

∆ = t(� at hr second time)− t(� at hr first time) , (9)

then

ρ� =
∆

2
cos ε . (10)

Then we compute a set of time differences for a sunspot:

δ1 = t(Sunspot at hr)− t(� at hr first time)
δ2 = t(Sunspot at ob first time)− t(� at hr first time)

(11)

Note that δ2 = δ1 −∆1 can be negative like in our example
in Fig. 5.

x

y

90

90 +

1
2

ob hr

Figure 6. Towards the determination of a sunspot position in the

lower part of oblique wires. The red arrows depict the coordinate

system centred and normalised with the solar disk with the x-axis
being parallel to the celestial equator. The solid blue lines show

the positions of the hour wire and the first oblique wire at the

time of first contact of the disk with the hour wire. The dashed
blue lines show the positions of solid blue lines at two different

times, respectively shifted by δ1 and δ2. The intersection of the

dashed lines defines the position of the sunspot.

Now it is convenient to sit in a coordinate system mov-
ing with the solar disk. In this coordinate system, we observe
wires passing through the disk. The position of the sunspot
is defined by the intersection of the wires that moved δ1 and
δ2 seconds from the first contact of the solar disk with the
hour line (see Fig. 6 for a pictorial explanation).

Taking into account that −1 ≤ x ≤ 1 and −1 ≤ y ≤ 1,
we obtain a system of linear equations which defines the
position of the sunspot:

(y + c)ρ� = c tan(90◦ + ε)
(
xρ� − ρ�

tan((90◦+ε)/2) + δ1
)

(y + c)ρ� = −c tan(α+ ε)
(
xρ� − ρ�

tan((90◦+ε)/2) + δ2
)
,

(12)

where c = 1 if the Sun is in the upper part of the oblique-
wire system and −1 otherwise.

The solution is

x =
1

tan((90◦ + ε)/2)
− 1

ρ�

δ1 tan(90◦ + ε) + δ2 tan(α+ ε)

tan(90◦ + ε) + tan(α+ ε)
,

(13)

and y can be derived from the first or second equation in 12.
Note that for ε = 0 the solution simplifies to

x = 1− δ1
ρ�

y = −c+ c δ1−δ2
ρ�

tanα ,
(14)

Finally, using the solar parameters B0, L0, and P for
the time of observation, we map x and y to heliographic
coordinates.
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Table 5. Two observations of the same sunspot on 1795 March 4.
The first set of timings is made in the lower part of the oblique

wires, the second in the upper part. The sunspot is labeled as

grande (large) in the original records.

Object Event Transit times Transit times

in lower part in upper part

Sun hr 12:55:34 01:01:58.5

Spot ob 12:56:00 01:02:07

Spot hr 12:56:57 01:03:21
Sun hr 12:57:45 01:04:09

Spot ob 12:57:55 01:04:30

For the transits shown in Table 4 in particular, we ob-
tain ε = 1.49, ρ� = 64.98 s, x = 0.36, and y = −0.18. They
correspond to a heliographic latitude of b = −8.1◦ and a
Carrington longitude of L = 295.4◦.

It is possible that either the first or the second transit
of a sunspot at the oblique wires is missing. In this case
we assume that ε = 0 and ∆1 = ∆2. We obtain δ2 from
δ2 = δ1 −∆1 or δ2 = δ1 −∆2.

Given the same spot was recorded by sets of transits in
both the upper and lower parts of the wire system, we can
estimate the actual value of the angle α. We consider two
observations of the same spot made on 1795 March 4 in dif-
ferent parts of the field of view (see Table 5). For simplicity,
we neglect the positioning error (i.e. assume ε = 0) and use
the second equation in (14) to estimate α.

Indeed, for the first record in Table 5 we obtain δ1 =
83 s, δ2 = 26 s, and ρ� = 65.5 s, while for the second record
δ1 = 82 s, δ2 = 8 s, and ρ� = 65 s. Substituting these values
in equation 14 and taking into account that the y-coordinate
is equal in both cases, we obtain tanα = 1.004 and conclude
that α = 45◦.

The positioning error was estimated using equation (8)
and was found to be usually |ε| < 3◦.

In Fig. 7 we show the reconstructed sunspot positions
for the period 1795 March 3–1795 March 6. Since there is
a change in the central meridian distance of almost 30◦ be-
tween the last two days, it is very likely that the last date
was actually 1795 March 7. In fact, Flaugergues corrected
his notes from March 7 to March 6 and from March 8 to
March 7, and continues with March 9, while March 8 is
missing. His correction may have been wrong, or made ac-
cording to the astronomical date which starts at noon of the
civil date of the same numerical value (the astronomical cal-
endar is therefore ‘late’ by 12 hours). So the astronomical
March 7 may not have had started, and Flaugergues changed
to March 6.

We find one day (1796 October 14) when Flaugergues
made observations both with oblique wires and cross-hair
(horizontal and vertical) wires, apparently for the same
sunspot. This allows us to verify the coordinate reconstruc-
tion methods. The two measurements with orthogonal wires
yield b = 3.6◦, L = 23.5◦ and b = 3.3◦, L = 23.8◦. The two
measurements with oblique wires yield b = 4.1◦, L = 25.4◦

and b = 3.3◦, L = 24.8◦. Since both methods show simi-
lar coordinates, we conclude that the same sunspot was ob-
served and we correctly reconstructed the coordinates.

petite

grande

Figure 7. Sunspot locations during 1795 March 3–1795 March 6

(actually most likely March 7) in heliographic coordinates. Dif-

ferent colors correspond to different days in the order red, green,
blue, and black. The two sunspots observed on 1795 March 4 are

labeled as grande (large) and petite (small).

3.4 Rhombus

In this observing scheme used in 1813–1830, a set of wires
form a rhombus and the Sun moves through the upper or
lower part of the rhombus (see Fig. 8). During the rotation
of the Earth, the leading part of the solar disk touches the
eastern side of the rhombus on the outside (contact 1), then
the leading part of the solar disk touches the western side of
the rhombus on the inside (contact 2), then the trailing part
of the solar disk touches the eastern side of the rhombus on
the inside (contact 3), and finally the trailing part of the
solar disk touches the western side of the rhombus on the
outside (contact 4). Between the first and the last contacts,
the sunspot touches the eastern and western sides of the
rhombus. Table 6 shows an example of transit times which
correspond to Fig. 8.

Note that Fig. 8 shows the direct motion of the Sun,
while Flaugergues observed the upside-down image in fact
(we find a remark on 1816 October 5 that supports this
proposition). This should be taken into account when in-
terpreting the sketches in his manuscript, which indicate in
which part of the rhombus the Sun was observed.

The angle α in the basement of the rhombus is a free
parameter. Flaugergues (1814) compares different types of
rhombuses (reticules) regarding their accuracy as well as
their practicability. While he noticed that most solar and
lunar observations had been made with the Lalande2 type
of reticules of α = 45◦ for the oblique wires, he actually

2 Jérôme Lalande (1732–1807), a French astronomer and director

at Paris Observatory in 1795–1807 (Connor 1953).
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Table 6. Observation on 1830 July 2.

Object Event Recorded time

Sun contact 1 02:41:24

Spot in 02:41:59.5

Sun contact 2 02:42:39
Spot out 02:43:23

Sun contact 3 02:44:03

Sun contact 4 02:45:10

x

y

x

y

Upper part

Lower part

Figure 8. Sequence of transits of the solar disk and the sunspot

through the rhombus corresponding to the Table 6. The blue cir-
cles show contacts of the solar disk with the wires. The black

circles show contacts of the sunspot with the wires. The green

arrow again shows the direction of the solar motion. The angle
between the short diagonal of the rhombus and the line of solar

motion is denoted by ε (note that ε > 0 in this Figure). The red

arrows show the coordinate system aligned with the solar disk
with the x-axis being parallel to the apparent solar motion.

compares the rhombus by Bradley3 with α = arctan 2 ≈
63.4◦, and one made of equilateral triangles with α = 60◦.
Bradley’s reticule results from a rhombus whose long diago-
nal is twice as long as the short diagonal. Flaugergues does
not say which one he actually used, but he wraps up his
considerations with

‘The calculation of the difference of declinations is a little sim-

pler, using the Bradley reticule; but this small advantage does not
compensate for the difficulty of constructing exactly this retic-

ule. I propose to astronomers to substitute the rhomboid chosen
by Bradley with a rhomboid composed of two opposite equilat-
eral triangles described on the same line serving as a base, which

becomes the small diagonal of this rhomboid represented in the
figure. The description of the equilateral triangle, which is the

3 James Bradley (1692–1762), an English astronomer and third

Astronomer Royal at Greenwich (Woolley 1963).

subject of the first proposition of Euclid’s elements, is the sim-

plest and easiest of all geometrical operations. One will thus be

able to construct, with the greatest exactitude, the reticule that
I propose; ...’

Although arctan 2 ≈ 63.4◦ is close to 60◦, we will try to
estimate α from the records by minimizing the latitudinal
drift of the sunspots between neighbouring days.

Normally, Flaugergues tried to align the rhombus so
that the Sun moves in parallel to the base of the lower or
the upper part of the rhombus. In this ideal case, the time
difference between contact 1 and contact 3 equals the time
difference between contact 2 and contact 4. Due to errors in
the instrument alignment, however, the two time differences
become unequal (we assume that the line of solar motion is
a straight line). For example, in Table 6 they are 159 and
151 seconds respectively. Our first goal is to determine the
inclination of the line of the solar motion against the base
of the lower or the upper part of the rhombus.

Let us assume that the Sun crosses the lower part of the
rhombus as it is shown in Fig. 8 and let ε be the angle be-
tween the base of the lower part of the rhombus and the line
of the solar motion. We assume that the angle ε is positive
clockwise in the lower part and positive counter-clockwise in
the upper part. Let

∆1 = t(� contact 3)− t(� contact 1)
∆2 = t(� contact 4)− t(� contact 2) .

(15)

Then for the lower and upper parts of the rhombus

2ρ� = ∆1 sin(α− ε)
2ρ� = ∆2 sin(α+ ε) ,

(16)

where α is the angle of the inclined triangle legs with the
base of the lower and upper part of the rhombus.

From equation 16 we obtain

ε = arctan

(
∆1 −∆2

∆1 + ∆2
tanα

)
. (17)

Let us denote

δ1 = t(sunspot in)− t(� contact 1)
δ2 = t(� contact 4)− t(sunspot out) .

(18)

Now we sit in a coordinate system moving with the solar
disk and observe wires passing across the disk (see Fig. 9).
Taking into account that −1 ≤ x ≤ 1 and −1 ≤ y ≤ 1,
we obtain a system of linear equations which defines the
position of the sunspot as the intersection of the two lines:

(y + c)ρ� = c tan(α− ε)
(
xρ� − ρ� tan

α− ε
2

+ δ1
)

(y + c)ρ� = −c tan(α+ ε)
(
xρ� + ρ� tan

α+ ε

2
− δ2

)
,

(19)

where c = 1 in the upper part and c = −1 in the lower part
of the rhombus.

The solution is

x =
1

tan(α− ε) + tan(α+ ε)
×[

tan(α− ε)
(

tan
α− ε

2
− δ1
ρ�

)
−

tan(α+ ε)

(
tan

α+ ε

2
− δ2
ρ�

)]
(20)
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x

y+

2 1

Figure 9. Towards the determination of sunspot coordinates in the

lower part of the rhombus. The red arrows show the coordinate

system aligned with the solar disk with the x-axis being parallel
to the line of the apparent solar motion. The inclined blue lines

show the two sides of the rhombus at the first and last external

contacts with the solar disk. The dashed lines show the two sides
of the rhombus shifted by δ1 and δ2 in time. The intersection of

the dashed lines defines the position of the sunspot.
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Figure 10. Sum of the latitudinal variances of several long sunspot

series against the angle α. The vertical gray line corresponds to
arctan 2.

and the y-coordinate can be easily derived from equa-
tion (19).

In some observations, Flaugergues skipped the internal
contacts 2 and 3 and noted only the external contacts 1
and 4. In such cases, we cannot estimate ε and assume ε = 0.
Without internal contacts we cannot obtain ρ� either and
have to assume a constant value of ρ� = 65 s. Note that for
ε = 0 the solution simplifies to

x =
δ2 − δ1

2ρ�

y = −c+ c tanα

(
δ1 + δ2

2ρ�
− tan

α

2

)
. (21)

In order to estimate α, we select a number of series of
sunspot observations of five days and more. Then we vary α

a a a a

b b b b b b

Figure 11. Sunspot observations during 1813 April 4–1813 April 14

in heliographic coordinates. Different colors correspond to differ-

ent days.

Table 7. Observation on 1830 March 22.

Object Recorded time

Sun 0:12:20

Spot 0:13:41
Sun 0:14:30

from 55◦ to 70◦ and compute the sum of the latitudinal vari-
ances of each spot. Fig. 10 shows that the minimum variance
is near arctan 2 and is much less compatible with 60◦, cor-
responding to a rhombus of equilateral triangles. Hence, we
use α = arctan 2 for the reconstruction of the coordinates.
Fig. 11 shows the reconstructed heliographic coordinates for
the period 1813 April 4–1813 April 14. This is one of the
longest series of consecutive observations of the same group
of spots.

An estimation of the positioning errors using equa-
tion 17 gave in most cases |ε| < 3◦.

3.5 Single transit

Near noon, Flaugergues regularly measured transits of the
solar disk and sunspots through a single wire (see Table 7
for example). Assuming that the line of the apparent solar
motion is orthogonal to this wire at the moment of obser-
vation, one can reconstruct the x-coordinate of the sunspot
with respect to the line of solar motion.

We find several days when simple transits were accom-
panied by additional measurements allowing the reconstruc-
tion of both coordinates. In particular, on 1830 March 22 and
on 1830 March 24 there were measurements made with hor-
izontal and vertical wires (see Section 3.2) and single-transit
measurements. The dots in Fig. 12 show sunspot positions
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Figure 12. Sunspot positions reconstructed from measurements

made with vertical and horizontal wires (dots) and from single
transits (lines). Red colour corresponds to 1830 March 22 and

blue colour to 1830 March 24. Note that here we use a coordinate

system where the x-axis represents the line of solar motion (green
arrow).

Figure 13. Sunspot positions reconstructed from measurements

with the rhombus (dots) and from single transits (lines). Different

colours correspond to different days (red for 1813 February 3, blue
for 1813 February 4, and black for 1813 February 6). Again, the

x-axis represents the line of solar motion (green arrow).

reconstructed from measurements made with horizontal and
vertical wires while vertical lines show possible sunspot po-
sitions that correspond to single transits. Since we find that
the sunspots are close to the vertical lines, our interpretation
of both measurement systems is confirmed.

Similarly, Fig. 13 shows sunspot positions reconstructed
from measurements made with the rhombus (see sec. 3.4)
while vertical lines represent the possible sunspot positions
corresponding to single transits. Different colours corre-
spond to different days in the period 1813 February 3–1813
February 6.

We do not find any days for which both single transits
and measurements with oblique wires were recorded.

We use single transit measurements for the additional
verification of reconstructed coordinates or as an indicator
for the presence of sunspots on specific days.

Table 8. Observation on 1824 September 27. Notation of the
events: f1 – primum filum, fm – filum meridianum, f3 – tertium

filum.

Object Event Recorded time

Sun f1 23:48:45
Sun fm 23:49:12.75

Sun f3 23:49:44

Spot f1 23:49:35
Spot fm 23:50:03

Spot f3 23:50:33

Sun f1 23:50:54.5
Sun fm 23:51:21.75

Sun f3 23:51:52

3.6 Three-wire scheme

There is one more observational setup for which, however,
we do not have a clear interpretation. It is first mentioned on
1817 February 19, and contains solar-disk and sunspot tran-
sits through a set of three wires as shown in Table 8. Usually,
we find these measurements near noon. Given the time dif-
ferences between the transits, it appears that all wires are
parallel to the middle one and are placed at equal distances.
We suppose that the small remaining time difference be-
tween transits from the first to the second wire and from
the second to the third wire are probably due to the fuzzi-
ness of the solar limb and the subjectivity in fixing the actual
transit time.

As a result, only the coordinate along the solar motion
can be estimated. Like in the case of single transits (sec. 3.5),
we use these measurements for additional verification of co-
ordinates, reconstructed from other measurements, or for
detecting the presence of sunspots on specific days.

3.7 Solar eclipses

During the two solar eclipses, on 1788 June 4 and 1816
Nov 19, Flaugergues recorded times when the disk of the
Moon contacts the sunspots. This allows the reconstruction
of sunspot coordinates. We start with the latter eclipse, since
Flaugergues also measured the sunspot position with the
rhomboid scheme (Sec. 3.4) on that day, so we can compare
the results of both methods. We use the astropy (Astropy
Collaboration et al. 2013, 2018, 2022) package to reconstruct
the solar eclipse.

Table 9 contains the solar eclipse contact times recorded
on 1816 November 19. Using astropy, we estimated the
start time of the solar eclipse as 8h04m15s and the end time
as 10h23m39s (both times are UTC and are valid for the
observing site). Note these times are just estimates made
with astropy, but the exact determination of an eclipse
time is a separate problem including many specific details
(see, e.g., Stephenson et al. 2016). Since our coordinate
derivation is relative to the observed contacts, the absolute
timing of the eclipse is of lesser importance here.

Remarkably, the estimated duration of the eclipse is
only two seconds longer than the historical records indicate.
We therefore used the estimated start time of the eclipse
to obtain UTC times of the recorded events (see Table 9).
Fig. 14 shows the positions of the Moon corresponding to
the sunspot contact times. There are two points of intersec-
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Table 9. Estimated contact times of the solar eclipse on 1816
November 19.

Event Recorded time UTC time

Start of eclipse 8:27:12 8:04:15

Spot contact 1 9:21:27 8:58:39
Spot contact 2 10:30:34 10:07:45

End of eclipse 10:46:28 10:23:39

Figure 14. Apparent positions of the Sun and the Moon at the
times when the Moon contacts the sunspot during the solar eclipse

of 1816 November 19. The red point at the intersection of the lu-

nar disks gives the position of the sunspot. The vertical direction
in the plot points to the celestial north. The Moon moves from

right to left with time.

Table 10. Observation of the solar eclipse on 1816 November 19.

The symbols C′ and C′′ correspond to the two horns of the par-

tially eclipsed solar disk.

Object Event Recorded time

Sun in 21:05:22
C′ in 21:05:35

C′ out 21:06:44
C′′ in 21:07:49

C′′ out 21:08:16
Sun out 21:09:16

tion of the circles of the Moon, but only one point is located
on the solar disk. This point corresponds to a heliographic
latitude of b = 8.0◦ and a Carrington longitude of L = 5.9◦.

During the solar eclipse described above, Flaugergues
also measured the positions of the horns of the partially
eclipsed solar disk using the rhomboid scheme (see Table 10
for a sample record). Fig. 15 shows the apparent positions
of the Sun and the Moon reconstructed with astropy using
the times of Table 10. Then we reconstruct the heliographic
coordinates of the two horns C′ and C′′, using the method
described in Section 3.4.

Figure 15. Apparent positions of the Sun and the Moon recon-
structed with astropy using the times of Table 10. The red dots

in the intersections of the solar disk with the lunar disk are the

horns of the solar disk, labeled as C′ and C′′ in Table 10.

Table 11. Coordinates of the sunspot observed on 1816 Novem-

ber 19 reconstructed from eclipse measurements and from two
records made with the rhombus.

Method Latitude Longitude

Eclipse 8.0◦ 5.94◦

Rhombus 7.52◦ 6.44◦

Rhombus 8.43◦ 6.17◦

Now we compare the results. Fig. 16 shows the solar
disk horns and the sunspot position obtained with astropy
(red dots) in comparison to the positions reconstructed from
transit time records (green dots). We observe that both
methods give approximately the same coordinates for the
sunspot and both solar disk horns (see Table 11). We con-
sider this consistency as an independent validation of the
correctness of the coordinate reconstruction procedure.

A more detailed investigation of the accuracy is pro-
vided in the Appendix based on the Mercury transit of 1799.

Using the same approach, we reconstruct sunspot po-
sitions measured during the solar eclipse on 1788 June 4.
They are the only positions we could derive from Flauger-
gues’s observations before 1795. Table 12 contains the orig-
inal records of the eclipse and four sunspots as well as the
times corrected to UTC. The difference between the esti-
mated and the observed solar eclipse duration is 26 s. Fig. 17
shows the apparent positions of the Sun and the Moon at the
moments, when the sunspots contact the disk of the Moon.
The corresponding intersections of the lunar disks give the
sunspot positions. The reconstructed sunspot positions in
heliographic coordinates are shown in Fig. 17 as well.

Interestingly, we find a drawing of the solar disk with
sunspot positions made by Flaugergues on 1788 June 4. The
original drawing (Fig. 18) looks quite close to the recon-
structed positions (Fig. 17), however, the drawing addition-
ally contains two unusually large spots in the top-left quad-
rant, which were not eclipsed by the Moon. These must in-
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C′

C′′

t t t

Figure 16. Red dots show the solar disk horns (C′ and C′′) and

the sunspot (t) positions obtained by reconstructing the solar
eclipse of 1816 November 19 using astropy. The green dots show

the corresponding positions reconstructed from two transit time

measurements. The blue and black points are sunspot positions
reconstructed on the previous and the next day.

Table 12. Estimated contact times of the solar eclipse on

1788 June 4.

Event Recorded time UTC time

Start of eclipse 7:26:36 7:05:30
Spot A contact 1 7:31:40 7:10:36

Spot B contact 1 7:34:32 7:13:28

Spot C contact 1 7:35:07 7:14:04
Spot D contact 1 8:30:24 8:09:32

Spot A contact 2 8:31:32 8:10:40
Spot B contact 2 8:36:12 8:15:21

Spot C contact 2 8:37:15 8:16:24

Spot D contact 2 9:17:32 8:56:49
End of eclipse 9:25:43 9:05:02

deed be spots, since we find a sentence below the draw-
ing which can be translated as “many people on the street
saw the two large upper spots”. Note that according to,
e.g., Keller & Friedli (1992) or Schaefer (1993), the limiting
sunspot diameter visible to normal eye-sight people is about
40′′, but this group must have been considerably larger to
be visible to casual witnesses.

It should be noted that the whole-disk drawings similar
to Fig. 18 are very rare in Flaugergues books. We found only
20 drawings containing the whole disk or parts of it which
can be complemented to a full disk.

4 RESULTS AND DISCUSSION

In total, we were able to reconstruct 527 sunspot positions
for 154 days out of 156 days for which appropriate transits
were recorded. Together with single-transit measurements
(which do not allow a direct coordinate reconstruction),

AB
C

D

AB
C

D

Figure 17. Solar eclipse of 1788 June 4 reconstructed using as-
tropy. Top panel: black circles show positions of the Moon at

the moments, when the sunspots contact the disk of the Moon

(Table 12). The corresponding intersections of the disks of the
Moon are marked with coloured dots. The vertical points to the

celestial north. The Moon moves from right to left with time. Bot-

tom panel: sunspot positions reconstructed in heliographic coor-
dinates.

Figure 18. Original drawing with sunspot positions on 1788 June 4.

The bottom line can be translated as “many people on the street
saw the two large upper spots”.

there are 463 days of documented sunspot observations. We
combined repeated observations of the same spots on the
same day into averaged positions and resulted in 196 posi-
tions. Then we discriminated the positions subjectively into
reliable and less reliable ones, based on the completeness of
information, the additional textual information given, and
our general experience with the observations. There is no
mathematical distinction between the two classes of posi-
tions. Fig. 19 shows the time–latitude distribution obtained.

MNRAS 000, 1–14 (2022)
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Figure 19. Time–latitude distribution of the sunspots positions obtained from Flaugergues’s observations (in blue). The filled blue circles

indicate reliable sunspot positions, whereas open blue circles indicate uncertain positions. Days with transit records are marked by
gray vertical lines. For comparison, we also plot sunspot positions from previously reconstructed data. The orange dots show sunspot

distribution from the Staudacher and Armagh catalogues (Arlt 2009a,b), the pink dots show sunspot distribution from the Derfflinger

catalogue (Hayakawa et al. 2020), the green dots correspond to the sunspots reconstructed from Prantner’s drawings (Hayakawa et al.
2021b), and the red dots correspond to the sunspots reconstructed from Schwabe’s drawings (Arlt et al. 2013).

In the process of reconstructing the coordinates, we
found a number of errors in writing among the original
records. We assumed the presence of errors when a group
of several records had one sunspot measurement with heli-
ographic coordinates not matching the other records in this
group. Another case of suspected errors is when a sunspot
on a particular day can not be matched with any sunspot
before or after that day. When we detected such potential
errors, we tried to correct them by assuming that either two
lines in the record are interchanged or one minute should be
added or subtracted from the recorded time (this modifies
a single digit in the record). We avoided corrections that
require changing two or more digits in the record because
the probability of such error is much lower. With these two
options, we were able to bring the sunspot-outliers into po-
sitions consistent with the other records in most cases. In
the output files, we provide both the original times and our
modifications. The reconstructed coordinates presented here
take the modifications into account.

Fig. 19 admits the identification of four solar cycles.
Before 1800 we observe the end of cycle 4. Sunspots observed
at high latitudes (±30◦) near 1800 indicate the beginning of
cycle 5 which lasted until the end of 1810 (Hathaway 2015).
We then find an increased density of observations and several
sunspots at high latitudes indicating the beginning of the
cycle 6. The low number of records in 1823–1824 very likely
corresponds to the solar minimum followed by high latitudes
of spots of cycle 7 in 1825.

In may be noted that in cycle 6 the number of sunspots
in the northern hemisphere is larger than the number of
sunspots in the southern hemisphere, while during the
Maunder Minimum, sunspot activity prevailed in the south-
ern hemisphere (Ribes & Nesme-Ribes 1993). This result
may be a small-number effect and requires confirmation. It
is clear from his books that Flaugergues did not record all
the sunspots he observed. Also Hallaschka appears to have

recorded a slightly higher number of spots in the northern
hemisphere than in the southern one, according to the results
by Carrasco et al. (2018), who placed reasonable best-guess
equators into the drawings, whose orientations are difficult
to assess by objective means. Similarly to Flaugergues’s ob-
servations, the dominance of northern-hemisphere spots in
Derfflinger’s data (Hayakawa et al. 2020) is noticeable only
in the years 1812–1814 and is less obvious in Prantner’s
observations of the beginning of cycle 6 (Hayakawa et al.
2021b).

Unfortunately, there is no spot measurement in 1793 or
1794 when spot latitudes may shed light on the suspected
short cycle between cycles 4 and 5 (lost cycle), beyond the
spot latitudes scrutinized by Usoskin et al. (2009). The lat-
itudes observed particularly in 1796 support the relatively
wide butterfly diagram derived from Staudacher and the Ar-
magh observations (Arlt 2009a,b) which follow very low lat-
itudes in 1792 observed by Staudacher.

The high latitudes observed by Flaugergues near 1800
indicate that the lost cycle did not last longer than the year
1800. We do see a remarkable decrease in absolute latitudes
from 1796 to 1799 in the data by Flaugergues, supporting
the quick evolution of a short cycle before 1800.

We found several examples of a sunspot (or sunspot
group) living for more than one solar rotation period. The
first example starts on 1796 July 5 with a spot denoted orig-
inally by the letter A and continues on 1796 July 24 with a
spot denoted by H (Table 13).

The second example starts on 1799 February 24 and
consists of the two spots given in Table 14. About one rota-
tion later, on 1799 March 27 and 28, we find a sunspot with
approximately the same coordinates as the trailing spot of
the earlier group.

One more example is the sunspot observed on 1816
November 26 and November 27, and then on 1816 Decem-
ber 17 and several days thereafter (see Table 15). In the

MNRAS 000, 1–14 (2022)
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Table 13. Example 1 of a sunspot observed for more than one
solar rotation period. CMD is the heliocentric central-meridian

distance.

Date Spot Latitude Longitude CMD

1796 Jul 5 A −5.92◦ 29.47◦ 52.85◦

1796 Jul 24 H −5.95◦ 33.09◦ −53.39◦

1796 Jul 25 H −6.67◦ 31.93◦ −40.97◦

1796 Jul 26 H −7.59◦ 32.03◦ −27.75◦

1796 Jul 28 t −7.35◦ 30.56◦ −2.62◦

1796 Jul 29 H −7.22◦ 31.59◦ 12.18◦

1796 Jul 30 H −6.88◦ 32.41◦ 25.76◦

1796 Jul 31 H −9.32◦ 31.95◦ 38.07◦

Table 14. Example 2 of sunspots observed for more than one so-
lar rotation period. CMD is the heliocentric central-meridian dis-

tance.

Date Spot Latitude Longitude CMD

1799 Feb 24 t1 7.30◦ 214.48◦ −0.85◦

1799 Feb 24 t2 5.63◦ 202.51◦ −12.82◦

1799 Feb 26 t1 8.87◦ 215.59◦ 26.69◦

1799 Feb 26 t2 6.54◦ 203.40◦ 14.51◦

1799 Mar 27 t 6.52◦ 204.52◦ 39.77◦

1799 Mar 28 t 5.02◦ 204.67◦ 54.93◦

Table 15. Example 3 of a sunspot observed for more than one

solar rotation period. CMD is the heliocentric central-meridian
distance.

Date Spot Latitude Longitude CMD

1816 Nov 26 t −2.15◦ 6.40◦ 57.76◦

1816 Nov 27 t −2.13◦ 6.02◦ 70.30◦

1816 Dec 17 t −1.48◦ 5.37◦ −26.55◦

1816 Dec 18 t −0.45◦ 7.09◦ −11.80◦

1816 Dec 20 t −2.82◦ 9.05◦ 16.72◦

1816 Dec 21 t −2.42◦ 10.38◦ 30.71◦

1816 Dec 23 t −3.07◦ 13.58◦ 60.25◦

1816 Dec 24 t −2.72◦ 22.58◦ 83.01◦

following days, this sunspot drifts rather unusually in longi-
tude, remaining at about the same latitude, which may be
due to the low accuracy of sunspot measurements near the
solar limb.

While we have not touched the issue of sunspot num-
bers and group sunspot numbers from the observations by
Flaugergues in the present paper, the positions derived may
be useful in discriminating sunspot groups through the an-
gular distance of spots in the visible solar hemisphere. A
potential revision of the sunspot numbers from Flaugergues
is suggested for the future. At this stage, we note that the
reconstructed sunspot positions underestimate the solar ac-
tivity since Flaugergues did not measure contact times for
all sunspots he observed. We expect that detailed transla-
tions of the textual notes, which we left out of the scope
of this study, may help to clarify the situation at least in
some cases. In particular, some of the textual notes indicate
spotless days, others describe sunspot configurations on the

disk. We hope that this article will rouse interest in further
investigations of these manuscripts.

We provide the numerical observational records and
the reconstructed coordinates in the GitHub repository
github.com/observethesun/Flaugergues.

ACKNOWLEDGEMENTS

We would like to thank the Bibliothèque de l’Observatoire
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APPENDIX A: TRANSIT OF MERCURY

On 1799 May 7, Flaugergues observed the transit of Mercury

across the solar disk with the cross-hair scheme (see sec. 3.2). Us-
ing astropy, we reconstructed Mercury’s transit path and com-

pared it to the positions of Mercury reconstructed from the ob-

servations. We used only the records that do not require addi-
tional information to obtain the coordinates, and skipped incom-

plete records. The five reconstructed positions are shown in red

in Fig. A1. The start time of the first reconstructed record is
14:35:30. We find that it best approximates the position of Mer-

cury on 14:24:26 UTC. Thus we estimate the time difference be-

tween the Flaugergues’s clock and UTC as 11 min 4 s. Using
this estimate, we reconstructed Mercury’s true position, consis-
tent with subsequent records, and show them in black in figure A1.

Note that the planet disks are plotted to scale, with the
ratio of the apparent size of Mercury to the solar disk on that

day being approximately 1/157. We conclude from Fig. A1 that
errors in measuring the position of an object on the solar disk

are of the order of the apparent size of Mercury which was about

12 arcsec in diameter.
In our opinion, several factors limit the accuracy of the mea-

surements. The first one is the telescope’s resolution, i.e. how
blurred features on the Sun and the limb of the Sun appear to the
observer. While there is some information on telescopes Flauger-

gues used, it is unclear which exactly he used for which observa-

tion. The second factor is the thickness of the wires forming the
cross-hair scheme. Thirdly, the observation method is not instan-

taneous and requires the transit of the whole solar disk across
each wire. It takes more than 3 minutes during which the relative
position of the measured object may change.

Figure A1. Transit of Mercury on 1799 May 7. The dashed line
shows the path of Mercury derived with astropy. The red circles

show the positions of Mercury reconstructed from the observa-

tions. The black circles show the true position of Mercury, as a
best fit to the historical records. The ratio of the coloured circles

to the solar disk corresponds to the ratio of the apparent size
of Mercury to the solar disk on that day (approximately 1/157).

The white patch shows a magnified region of the Sun. The verti-

cal points to the celestial north; Mercury moves from left to right
with time.
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ABSTRACT

Gravitational wave observations indicate the existence of merging black holes (BHs) with high spin

(a & 0.3), whose formation pathways are still an open question. A possible way to form those binaries

is through the tidal spin-up of a Wolf-Rayet (WR) star by its BH companion. In this work, we

investigate this scenario by directly calculating the tidal excitation of oscillation modes in WR star

models, determining the tidal spin-up rate, and integrating the coupled spin-orbit evolution for WR-

BH binaries. We find that for short-period orbits and massive WR stars, the tidal interaction is

mostly contributed by standing gravity modes, in contrast to Zahn’s model of travelling waves which

is frequently assumed in the literature. The standing modes are less efficiently damped than traveling

waves, meaning that prior estimates of tidal spin-up may be overestimated. We show that tidal

synchronization is rarely reached in WR-BH binaries, and the resulting BH spins have a . 0.4 for all

but the shortest period (Porb . 0.5 d) binaries. Tidal spin-up in lower-mass systems is more efficient,

providing an anti-correlation between the mass and spin of the BHs, which could be tested in future

gravitational wave data. Non-linear damping processes are poorly understood but may allow for more

efficient tidal spin-up. We also discuss a new class of gravito-thermal modes that appear in our

calculations.

Keywords: Wolf-Rayet stars (1806), Stellar oscillations (1617), Stellar evolution (1599), Tidal interac-

tion (1699), Astrophysical black holes (98)

1. INTRODUCTION

The spins of stellar-mass black holes (BHs) are still not

fully understood. Most BHs detected from LIGO/Virgo

events have low aligned components of their spins (Ab-

bott et al. 2019a; Zaldarriaga et al. 2018; Miller et al.

2020; Roulet et al. 2021; Zevin et al. 2021), which agrees

with predictions of efficient angular momentum (AM)

transport within the interiors of massive stars. Such pro-

cesses remove the majority of AM from the stellar core,

predicting slowly rotating remnants after core-collapse

(Fuller & Ma 2019; Ma & Fuller 2019). These theo-

ries are approximately consistent with core-rotation rate

measurements of low-mass red giants from asteroseis-

mology (Beck et al. 2012; Mosser et al. 2012; Deheuvels

et al. 2014, 2015; Triana et al. 2017; Gehan et al. 2018),

with a few discrepancies (Eggenberger et al. 2019). Yet,

among a small fraction of LIGO/Virgo BHs and a ma-
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jority of high-mass X-ray binaries (Miller & Miller 2015),

high BH spins are measured. Therefore it still remains

a theoretical challenge to explain the existence of these

rapidly rotating objects (see, e.g. discussions in Qin

et al. 2019; Belczynski et al. 2021; Fishbach & Kalogera

2022).

A natural scenario to form high-spin BHs is through

binary interactions, as nearly all BHs with spin mea-

surements are found via BH mergers or X-ray binaries.

One possible progenitor of BH binaries are Wolf-Rayet-

BH binaries. Such a system is formed from an ordinary

massive binary system, where the primary collapses to

a (likely slowly rotating) BH, and then strips off the en-

velope of the secondary, making it a Wolf-Rayet (WR)

star. Tidal interactions during the WR phase could pos-

sibly spin up the latter, forming a rapidly spinning BH.

Many studies have investigated this scenario and made

predictions for the spins of the second-born BHs (Kush-

nir et al. 2017; Qin et al. 2018; Bavera et al. 2020; Bel-

czynski et al. 2020; Olejak & Belczynski 2021; Fuller &

Lu 2022), finding they can be large for sufficiently close

binary systems (Porb . 1 day).
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2 Ma & Fuller

However, in most of these studies, the tidal response

of the WR star to the BH companion is not calculated

directly. Instead, an effective tidal torque calculated

from Zahn’s theory of dynamical tides (Zahn 1975, 1977,

see also Goldreich & Nicholson 1989) is often assumed.

The basic picture of Zahn’s theory is as follows: grav-

ity waves are tidally excited near the convective core-

radiative envelope interface inside a star. The waves

propagate outwards and damp due to radiative diffusion

near the surface of the star. The damping is often so

strong that the waves dissipate before reaching the sur-

face and behave as travelling waves rather than standing

waves. The energy and AM deposited by the waves can

be calculated and translated to an effective tidal torque.

While this picture is often assumed in studies of tidally

excited waves, it has not been closely examined in bina-

ries involving a WR star.

In this work, we directly solve for oscillation modes

of WR stellar models, quantifying their tidal coupling

strengths and dissipation rates. We then compute AM

transfer rates and model their spin evolution and result-

ing BH spins, comparing to those from Zahn’s theory.

The plan of this paper is as follows: in §2 we review

the basic formalism of dynamical tides for calculating

tidal torques based on stellar evolution models, and we

summarize the setups of our models of the WR stars; in

§3 and §4 we present our analysis for the tidally excited

modes and the stellar spin evolution. We discuss our

results in §5 and conclude in §6.

2. TIDAL TORQUES BY DYNAMICAL TIDES

In classical tidal theory, tides can be decomposed into

two components: equilibrium tides and dynamical tides.

The former corresponds to the global distortion of the

star, while the latter is composed of internal oscillations,

which is believed to be a dominant cause of tidal dissipa-

tion. From Ma & Fuller (2021), the energy dissipation

rate of a tidally forced oscillation mode α excited by

the tidal potential of an aligned and circular orbiting

secondary is given by

Ėα =
mωαΩorbγαq

2M1R
2
1|WlmQα|2ω2

f

(ωα − ωf)2 + γ2
α

(
R1

a

)2(l+1)

,

(1)

where ωα and γα are the mode frequency and damp-

ing rate, and ωf = m(Ωorb − Ωspin) is the tidal forcing

frequency (measured in the frame co-rotating with the

primary), and Ωspin is the star’s angular rotation fre-

quency. M1 and R1 are the mass and radius of the pri-

mary, q = M2/M1 is the mass ratio of the secondary

to the primary, a and Ωorb are the semi-major axis

and the angular frequency of the orbit. l and m are

the mode’s angular and azimuthal wave numbers and

model MZAMS MWR Dutch factor desired Z

1 15M� 3M� 0.5 10−2Z�

2 20M� 5M� 0.5 10−2Z�

3 30M� 10M� 0.5 10−2Z�

4 45M� 18M� 0.5 10−2Z�

5 60M� 27M� 0.5 10−2Z�

6 80M� 38M� 0.5 10−2Z�

7 100M� 50M� 0.5 10−2Z�

8 120M� 62M� 0.5 10−2Z�

9 15M� 3M� 4.0 Z�

10 20M� 5M� 4.0 Z�

11 30M� 10M� 4.0 Z�

12 45M� 18M� 4.0 Z�

13 60M� 26M� 3.0 Z�

14 80M� 38M� 2.0 Z�

15 100M� 49M� 1.7 Z�

16 120M� 61M� 1.5 Z�

Table 1. Parameters of our Wolf-Rayet star models. We
fixed the metallicities of all models to Z = 0.01Z� and
adapted their Dutch wind scaling factors to match the mass-
loss rates for the desired metallicities. See discussions in the
main text.

Wlm is an expansion coefficient of the tidal potential.

Qα ≡ 〈ξα|∇(rlYlm)〉/ω2
α is the dimensionless overlap in-

tegral describing the spatial coupling between the mode

and the tidal potential, which is calculated by the re-

lation Qα = −(2l + 1)δΦα/(4πω
2
α) (Fuller 2017), where

δΦα is the surface gravity potential perturbation. The

mode angular momentum dissipation rate is related to

the energy dissipation by (Fuller 2017)

J̇α =
Ėα

Ωorb
, (2)

assuming a circular orbit. Hence, by solving for the in-

ternal oscillation modes (with ωα, γα and Qα) inside

the primary, we are able to calculate the energy dissi-

pation and tidal spin-up rate, given a companion mass

and orbit.

2.1. Stellar Models

We built our WR star models with the MESA stel-

lar evolution code (Paxton et al. 2011, 2013, 2015, 2018,

2019). Instead of using the binary options in MESA,

we construct our models as follows: we start with a

number of zero-age main-sequence (ZAMS) single star

models with a variety of masses, summarized in Table

1. The stars evolve to core hydrogen depletion before

the stripping-off process occurs. We simulate this pro-

cess by artificially removing the outer hydrogen enve-

lope immediately after hydrogen depletion (defined by
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the time when the central hydrogen fraction drops be-

low 10−5), producing a helium star as the initial setup

for the WR star. We then restart the evolution until the

end of core helium depletion (when the central helium

fraction drops below 10−5), and we output the stellar

pulsation parameters to be used later for spin-evolution

calculations. Example MESA inlists are available on

Zenodo under an open-source Creative Commons Attri-

bution license: doi:10.5281/zenodo.7935443, and the

model parameters are summarized in Table 1.

During the helium burning phase, we compute the in-

ternal oscillations of the models with the GYRE stellar

oscillation code (Townsend & Teitler 2013; Townsend

et al. 2018; Goldstein & Townsend 2020). We use the

second order Magnus differential scheme to calculate

non-adiabatic modes, as it proves to be the most reli-

able when dealing with low-frequency oscillations. We

specify our search to l = m = 2 modes since this is

the dominant part of the tidal potential in aligned and

circular orbits, with the corresponding W22 =
√

3π/10.

Example GYRE inputs are available on Zenodo under

an open-source Creative Commons Attribution license:

doi:10.5281/zenodo.7935443. Once we have the mode

solutions, we integrate the spin-orbit evolution with Eq.

1 and 2, summing over all modes. We assume the pri-

mary remains rigidly rotating during the evolution, due

to the strong AM diffusion inside WR stars (Fuller &

Lu 2022). We use our non-rotating mode solutions all

along in the integration, as we will see that most sys-

tems never get to tidal synchronization, such that the

rotational effects can be ignored.

An important process related to the spin-orbit evo-

lution is the large wind mass loss experienced by WR

stars (e.g., Sander & Vink 2020), which removes AM

from both the spin and the orbit. The mass loss rates

of high-mass WR stars are somewhat uncertain (Sander

& Vink 2020; Vink 2022), especially at low-metallicity,

hence there are few reliable observed/modelled values

to compare with. We simulate the mass loss with the

“Dutch” wind scheme (Nugis & Lamers 2000) in MESA

with η = 0.5 and include its effects in our integra-

tion. The mass-loss rate has a strong dependence on the

metallicity of the star. However, we find that GYRE was

unable to solve the oscillations correctly for some of our

massive models at solar metallicity due to MESA’s arti-

ficial treatment of super-Eddington near-surface layers.

We hence used a universal metallicity Z = 0.01Z� in all

our models so that the stellar structure can be more ac-

curately modeled. Oscillations solved from these models

are reasonable approximations since the mode properties

are mostly determined by the deep internal structure of

the stars which are not strongly dependent on metallic-

ity.

To estimate the evolution and mass loss rates of higher

metallicity stars, we increase the wind scaling factor

to match the mass-loss rate of an alternative model

with the desired metallicity. For instance, to simulate

a 10M� WR star at solar metallicity, we use a wind

scaling factor of η = 4 for our Z = 0.01Z� model of

the same mass, which produces roughly the same mass

loss rate as a Z = Z� model with η = 0.5. In the fol-

lowing, we will simply reference the models with their

desired metallicity, yet the readers should keep in mind

that the underlying models actually have Z = 0.01Z�
and adapted Dutch factors, which are summarized in

Table 1.

3. MODE MORPHOLOGY

Figure 1 shows some example mode eigenfunctions

from a 10M� WR star model at solar metallicity dur-

ing the helium burning phase. We see that there is

a distinction between the high-frequency (P . 0.8 d,

green line) and low-frequency (P & 0.8 d, blue and red

lines) modes. For a typical high-frequency mode, the

eigenfunction appears to be a standing low-order grav-

ity wave trapped in the radiative envelope of the star.

This is in contrast with the Zahn (1975) model for trav-

elling waves that damp near the stellar surface. When

the tidal forcing frequency ωf becomes close to the fre-

quency of one of these modes, a resonance occurs and the

energy/angular momentum dissipation becomes domi-

nated by it (cf. Equation 1). The tidal torque con-

tributed by this standing mode is different from Zahn’s

theory, and we will see in §4 that Zahn’s results on spin-

orbit evolution are significantly altered.

At lower frequency, the modes turn to travelling waves

(blue line) as Zahn assumed, since the g-mode dispersion

relation indicates an imaginary wave number Im(kr) ∝
1/ω2

α (see Appendix B), i.e., the spatial evanescence be-

comes larger at lower frequency. For even lower fre-

quency, the eigenfunction becomes a mixed mode which

can be separated into two components: a gravity wave

inner region of the radiative envelope, and a thermal

wave region in the outer envelope. We show in Ap-

pendix A and B that the transition occurs around a crit-

ical frequency ωcrit ≡ (4λN2ωT)1/3, where ωT = κ/r2

is the thermal frequency, and κ = 16σBT
3/(3ρ2cPκR) is

the thermal diffusivity. The thermal mode exists where

|ωcrit| > ωα, while the g-mode exists where |ωcrit| < ωα,

as seen in the right panel of Figure 1. For higher fre-

quency waves the thermal mode region becomes nar-

rower and disappears. Since the thermal mode compo-

nents only exist near the very surface of the star, where

https://doi.org/10.5281/zenodo.7935443
https://doi.org/10.5281/zenodo.7935443
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Figure 1. Left: Example mode eigenfunctions for a 10M� Wolf-Rayet star model at solar metallicity during helium burning.
For high-frequency modes, we see a standing g-mode (green line) excited near the convective core (red region) boundary, in
contrast with Zahn’s assumption of travelling waves. As the frequency decreases, the modes become travelling gravity waves
(blue line), damping near the surface (Zahn’s formalism). When the frequency continues to decrease, the modes become mixed
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Figure 2. The overlap integral |Qα| as a function of mode
period from a 10M� Wolf-Rayet star model at solar metal-
licity during helium burning (same as Figure 1). Circle colors
indicate mode damping rates |γα|, while line color indicates
the mode type (the thick lines show the corresponding modes
in Figure 1 left panel). “Strange mode” solutions often ap-
pear at long periods with excess damping rates and unusual
period spacings (see Appendix C).

the density is very low, we would expect that the me-

chanical torques are mostly contributed by the travelling

g-mode component excited in the deep interior as Zahn’s

theory assumed. Hence at low tidal forcing frequency

the tidal torques should be similar to Zahn’s model, as

we will see in §4.

Figure 2 shows the periods, damping rates and over-

lap integrals Qα of all modes we solved for the same

10M� model. We see that most modes have a nearly

constant period spacing, matching the expectations for

g-modes. The damping rates for most modes are at

the same order of magnitude, except at high-frequency

where the damping is significantly lower. This is due to

their low radial wave numbers kr and the damping rate

γα ∝
∫

star
k2
rκ|ξα|2dm. Low-frequency modes become

traveling waves whose damping rate is roughly the wave

crossing time.

The overlap integral |Qα| typically decreases as the

mode frequency decreases, but with significant scatter

and with “hills and valleys” as the frequency decreases.

Since the on-resonance AM dissipation J̇α ∝ γα|Qα|2,

we expect to see the same “hills and valleys” features in

the tidal synchronization rate, as the tidal forcing fre-

quency is moving across different modes with varying

Qα. This is also different from Zahn’s theory, which

predicts a “smooth” power-law relation for the AM de-

position rate as a function of orbital period (Kushnir

et al. 2017, or Equation 6 in this paper).

In the frequency ranges where mixed modes appear,

we notice that GYRE suffers from numerical conver-

gence problems as it starts looking for extremely high-

order modes. We identified some of the mode solutions

in that regime as “strange modes”, and an example is

labelled in Figure 2. These modes often have excess

damping rates and unusual winding numbers (mode ra-

dial order), and do not obey the usual frequency spacing

of g-modes. In addition, their eigenfunctions appear to

be artificially truncated as they reach deeper inside the

star, unlike other modes with an inner g-mode compo-
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nent at similar frequencies, which are truncated near

the convective core boundary. We are not sure if these

modes are physical or caused by numerical artifacts from

GYRE, hence we do not include them in the spin-orbit

integration. A detailed discussion of these modes is pre-

sented in Appendix C.

4. EVOLUTION OF WR SPINS

We integrate the spin-orbit evolution of WR-BH bina-

ries from the WR star models and oscillations modes we

have computed. Throughout the evolution, the orbital

AM of the system is lost due to winds from the primary,

gravitational radiation and tidal AM transfer:

J̇orb = J̇wind,orb − J̇GW − J̇tide , (3)

where J̇wind,orb = Ṁ1Ωorb(M2a/(M1 + M2))2 and J̇tide

is given by summing over all modes from Equation 2. At

short orbits, the orbital decay timescale by gravitational

wave radiation is given by Peters (1964) (assuming cir-

cular orbits)

tGW ≡
a

|〈da/dt〉|
=

5

64(4π2)4/3

c5(1 + q)1/3

G5/3M
5/3
1 q

P
8/3
orb , (4)

where q = M2/M1 is the mass ratio. This gives

tGW ≈ 206 Myr × (M1/10M�)−5/3(Porb/0.3 d)8/3 for

equal mass binaries (q = 1), much greater than the typ-

ical WR lifetime (. 1 Myr). Hence, gravitational radi-

ation is not important in our case, but we still include

the term J̇GW = (32/5)(G/a)7/2c−5M2
1M

2
2

√
M1 +M2

in our evolution.

The primary receives spin AM from the orbit at J̇tide,

and it loses AM through winds:

J̇spin = J̇tide + J̇wind,spin , (5)

where J̇wind,spin = Ṁ1ΩspinR
2
1. The spin of the primary

may also change due to the changes of its internal struc-

ture and hence moment of inertia. Since the secondary

is a BH in our case, its spin is not coupled.

For comparison, we also integrate each evolution based

on Zahn’s formalism, with an adapted AM transfer rate

from Kushnir et al. (2017):

J̇tide,Zahn =
GM2

2

rc

(
rc

a

)6

s8/3
c

ρc

ρ̄c

(
1− ρc

ρ̄c

)2

, (6)

where sc =
√

3/πGρ̄c|Ωorb − Ωspin|, while rc, ρc and ρ̄c

are the convective core radius, the density at the core

boundary, and the average density of the core, respec-

tively.

We construct the integration machinery of the spin-

orbit evolution as follows: after generating a grid of

stellar model snapshots throughout the star’s evolution,

we solve for oscillation modes for each snapshot with

GYRE. We begin our integration at the start of the he-

lium burning phase (defined by the instant when 2% of

the core helium burning lifetime has passed). We care-

fully apply an adaptive time step control to avoid i) sud-

den crossing of resonance locations; ii) sudden changes

of mode frequencies; iii) changes of more than 2% of the

total evolution phase lifetime; iv) sudden change of stel-

lar spin by 2%, in one time step. To evaluate physical

quantities (e.g. mode frequencies, stellar masses) be-

tween two model snapshots, we estimate them by inter-

polating these snapshots and their corresponding GYRE

solutions. In doing so, we track the modes by their radial

orders npg, and only include the mode eigenfunctions ex-

isting in both snapshots. We carried out resolution tests

with half our selected timesteps and we confirm that the

results are nearly identical.

Theories have suggested that the strong magnetic cou-

pling between the stellar core and envelope (e.g. Taylor-

Spruit dynamo, Spruit 2002; Fuller et al. 2019) removes

the majority of core AM immediately after the main

sequence (Ma & Fuller 2019), before the envelope can

be stripped off. Hence, we assume initially non-rotating

WR stars. We run models with initial orbital periods of

0.3, 0.5, or 0.8 days. We find that longer period orbits

exhibit very little tidal spin-up.

In this work we specify our calculations to equal mass

binaries (q = 1), since they are the most relevant for

binary black holes. For cases with different mass ratios,

one would expect from Equation 1 that the tidal dissi-

pation rate (hence the tidal spin-up rate) näıvely scales

as q2, as we verified in some additional test runs. How-

ever, extreme mass ratios could allow for orbital decay

and resulting processes such as resonance locking or bi-

nary mergers. We hope to generalize our calculations to

such systems in future works.

Figure 3 shows the spin and orbital evolution for a

few of the systems we studied. Since the WR primary

burns helium and loses mass throughout the evolution,

the mass and central helium fraction can be seen as time

coordinates, as shown. For systems with short initial or-

bits and high metallicities (Porb,i = 0.3 d, Z = Z�, left

panel), we see that the primaries get significantly spun

up, yet they are not tidally synchronized even at the

end of evolution. In addition, the final spins of massive

models are never higher than what one would expect

from Zahn’s theory.

When we increase the initial periods (Porb,i = 0.8 d,

middle panel of Figure 3), the tidal torques decrease as

expected. At these long periods, the tidal torque is dom-

inated by traveling waves and the results agree well with
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Zahn’s formalism. However, the tidal torque is unable

to compete with mass loss, which almost completely re-

moves the spin AM the star accumulated during the first

half of the evolution, leaving a slowly spinning primary.

Tidal spin-up is followed by mass-loss induced spin-

down in the middle of the evolution for solar-metallicity

models (Figure 3, left and middle panel) due to an in-

crease in the wind mass loss rate. This occurs when the

helium envelope is lost completely, exposing the CO-rich

core, and greatly increasing the mass loss rate accord-
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Figure 5. The evolution of the mode frequencies (black
lines) and tidal forcing frequency (red line) of a WR-BH
binary with a 26M�, 1.0Z� WR star, an equal mass com-
panion and an initial orbit of 0.8 days. The mode frequencies
increase as the star evolves, while the forcing frequency de-
creases, preventing resonance locking. Ωspin increases rapidly
while ωf decreases rapidly at resonance crossings, creating
the “step-like” features we see in the spin frequency evolu-
tion (Figure 3).

ing to the “Dutch” mass loss prescription (Figure 4). In

several thousand years the winds remove the star’s spin

AM until the mass loss rate decreases somewhat, allow-

ing tidal spin-up to proceed. However, ongoing mass

loss and a widened orbit prevent tides from spinning up

the star to synchronization.

When we consider short initial periods but move to

low-metallicity models (Porb,i = 0.3 d, Z = 0.01Z�,
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right panel of Figure 3), the mass loss becomes negli-

gible and the spin evolution is dominated by tidal ef-

fects. The orbits do not change significantly. We see

that the primaries get significantly spun up, yet still not

reaching tidal synchronization, and the resulting spin is

much slower than Zahn’s prediction, except for the low-

est mass models. This is because the transition period

from standing modes to travelling waves increases as

the stellar mass increases. Hence the evolution is more

likely to depart from Zahn’s formalism for more massive

primaries (see §5.1).

The evolution of spin frequencies show “step-like” fea-

tures (most easily seen in Figure 3 middle panel) char-

acterized by sudden increases in spin frequency. This is

caused by the resonance-crossing of standing modes with

the tidal forcing, as illustrated in Figure 5. When the

tidal forcing frequency gets close to one of the mode fre-

quencies, a near-resonance occurs (cf. Equation 1) and

the tidal torque drastically increases, leading to high

spin-up rate. The occasional crossings of these reso-

nances create the “step-like” features.

5. DISCUSSION

5.1. Comparison to Zahn’s Formalism

To understand why and how the tidal evolution differs

from Zahn’s formalism, in the upper panel of Figure 6 we

show the tidal torques calculated for a 10M� WR star

model for different tidal forcing periods Ptide = 2π/Ωtide

with these two approaches. For short tidal periods, the

tidal torque has sharp peaks at standing g-mode fre-

quencies, in contrast to the power-law dependence of

Zahn’s prediction. This is caused by low damping rates

of standing modes at short mode periods (cf. Figure 2

and Figure 6 lower right panel).

As the mode and orbital frequencies evolve, resonance

crossings occur, hence the accumulated tidal spin-up

must be evaluated by integrating J̇tide over time. Zahn’s

theory for travelling waves generally overestimates the

tidal spin-up in this case, as the resonance peaks are

narrow, and during the majority of evolution, the tidal

torque is much less than what Zahn’s formalism esti-

mates. This helps to explain the departure of final spins

shown in Figure 3 for short-period systems (left and

right panel) from Zahn’s predictions.

When the systems are in long-period orbits, or al-

ready at a stage where Ωspin becomes comparable to

Ωorb (close to tidal synchronization), the tidal forcing

periods become long and the tidal torques are mostly

contributed by modes at low frequencies. These modes,

in contrast to their high-frequency partners, have large

damping and are essentially travelling waves (cf. Figure

2 and Figure 6 lower right panel). Therefore, the tidal

torque is no longer dominated by resonance with an in-

dividual mode, but instead has contributions from many

strongly damped modes, effectively forming a “contin-

uum” (Figure 6, red dot). This continuum formed by

traveling waves is exactly what Zahn’s formalism as-

sumes, so the torques should be similar to Zahn’s for-

malism, which is confirmed in Figure 6. This explains

the consistency between our results and Zahn’s for long-

period initial orbits (Figure 3 middle panel).

We note, however, that the transition period between

standing waves and travelling waves depends on the stel-

lar mass: for higher mass models, the frequency range

for standing waves extends to longer periods, as shown

for the 38M� model in the lower left panel of Figure 6.

Hence, the tidal evolution of massive WR stars departs

more strongly from Zahn’s formalism, as we see in the

left and right panels of Figure 3.

This distinction is caused by the different structures

of low and high-mass WR stars. For higher mass stars,

a larger fraction of the total internal pressure is con-

tributed by radiation pressure since they are hotter

and more luminous. Radiation pressure, however, con-

tributes smaller buoyancy forces because the Brunt-

Väisälä frequency N is zero for a star supported purely

by radiation pressure. Indeed, the Brunt-Väisälä fre-

quencies within our high-mass models are smaller than

those within our low-mass models (Figure 7). This

increases the g-mode period spacing (proportional to

N−1) of high-mass stars and decreases the radial wave

number at the same frequency (as kr ∝ N). Hence, the

mode damping rate γα ∝
∫

star
k2
rκ|ξα|2dm is also de-

creased. A secondary effect is that the convective cores

are larger in more massive stars, making the radiative

envelopes and g-mode cavities narrower. These com-

bined effects make the resonance peaks narrower and

more widely spaced for higher mass models, and further
from the travelling wave limit of Zahn’s formalism.

5.2. Resonance Locking

When the tidal dissipation is dominated by resonant

modes, an important process called resonance locking

may occur (Witte & Savonije 1999). However, we argue

that this is unlikely to occur for WR-BH binaries. Res-

onance locking can happen when the mode’s frequency

evolves at the same rate as the tidal forcing frequency:

ω̇α = ω̇f = m(Ω̇orb − Ω̇spin) . (7)

We see from our example evolution tracks (Figure 3)

that in most cases Ω̇orb < 0 and Ω̇spin > 0, which means

ω̇f < 0, in contrast to the fact that ω̇α > 0 due to stellar

evolution (Figure 5). Hence the above relation never

holds and resonance locking can never happen. Instead,
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as a function of tidal forcing period Ptide = 2π/Ωtide, for a 10M� Wolf-Rayet model with 90% central helium abundance. The
contributions from individual modes are represented by thin gray lines. At short tidal forcing periods Ptide . 0.35 d (e.g., the
green dot), the tidal torque is dominated by resonance peaks from individual standing modes, and is very different from what
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the system rapidly passes through resonances, creating

the step-like features in Figure 3.

We note that when mass loss dominates the spin evolu-

tion, we could occasionally have Ω̇spin < 0 (Figure 3, left

and middle panels) and resonance locking may happen

during this phase. This may prevent a star from rapidly

spinning down, but it cannot cause tidal spin-up. How-

ever we find that during these phases the Brunt-Väsäilä

frequency of the star increases rapidly, such that ω̇α ex-

ceeds ω̇f even at resonance, in contrast to the resonance

locking criterion. Hence, resonance locking does not ap-

pear to occur in any of our modeled systems.

5.3. Implications for BH Spins

A rapidly rotating WR star can probably collapse to

a fast-spinning BH, forming a high-spin binary BH sys-

tem. If angular momentum is conserved during the core-

collapse process, the dimensionless spin parameter of the

resulting BH is

a =
cJWR

GM2
BH

. (8)

In Figure 8, we show the resulting black-hole spins of

our WR star models, assuming that they preserve their

masses and angular momenta after helium burning and

during the core-collapse process. We also show the pre-

dicted BH spins with Zahn’s formalism. We see that

lower-mass systems can form faster-spinning BHs, as

their tidal spin-up is more efficient. It is only in ultra-

short orbits that these systems form fast-spinning BHs.

For solar metallicity systems, tidal spin-up cannot over-

come AM loss from winds, resulting in low spins for
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systems starting at long (Porb,i & 0.5 d) orbital periods.

Low-metallicity (1%Z�) systems with 0.5 d.Porb,i.1 d

produce larger BH spins with 0.1 . a . 0.4, compared

to a ∼ 0.01 predicted by single star evolution models

(Fuller & Ma 2019). For high-mass systems, the spins

are much smaller than Zahn’s predictions.

Our predicted BH spins are roughly compatible with

some LIGO measurements with moderate spins (0.1 .
χeff . 0.5) (Abbott et al. 2019a,b, 2021), but would

have a tough time matching any events with large χeff .

The relationship between orbital period, mass, and spin

is different than what Zahn’s theory predicts. Whereas

we typically find higher spins for MBH . 10M�, Zahn’s

theory predicts smaller spins for lower mass BHs. There

may be an anti-correlation between mass and spin (Sa-

farzadeh et al. 2020) which would support our new mod-

els. A mass-spin correlation from future LIGO-VIRGO

data will help distinguish between these models. None of

our high-mass models predict spins comparable to some

high-spin measurements (a & 0.8) from X-ray binaries

(Miller & Miller 2015), and the uncertainty of such mea-

surements is still under debate (Belczynski et al. 2021;

Fishbach & Kalogera 2022). However, those measure-

ments are for the first-born BH, while our models only

apply to the second-born BH.

Previous works on tidal interactions between WR-BH

binaries have predicted black hole spins similar to our

“Zahn’s results” in Figure 8, in which Zahn’s formalism

is assumed (Qin et al. 2018; Bavera et al. 2020; Bel-

czynski et al. 2020; Olejak & Belczynski 2021; Fuller &

Lu 2022). These results likely overestimate the black

hole spins when standing waves are present, which ap-

plies primarily to massive BHs (MBH & 10M�). Det-

mers et al. 2008 also investigated tidal spin-up of WR

stars, but used different prescriptions for tidal dissipa-

tion, winds, and orbital AM losses. Unlike our results

and those listed above, they found that tidal spin-up

coupled with mass loss frequently caused the orbits to

decay and instigate mass transfer. This outcome is more

likely with small companion masses (e.g., neutron stars)

whose orbits must decay more in order to tidally spin-up

the WR star.

5.4. Non-linear dissiption

Throughout the paper, we have assumed that the

tidally forced modes are linear. However, this is not true

when a mode is close to resonance, especially for massive

models with larger on-resonance mode amplitudes. To

examine how non-linearity may affect our conclusions,

we estimate the non-linear damping rate for a mode α

in Appendix D. For weakly non-linear modes, an ap-
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Figure 7. The Brunt-Väisälä frequency (solid lines) and the
ratio of radiation pressure to total pressure (dashed lines) of
two WR models of 10 (blue) and 38M� (red), the same mod-
els in Figure 6. The radiation pressure fraction is higher for
the more massive model, making its Brunt-Väisälä frequency
lower. This causes its resonance peaks to be narrower and
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proximate non-linear damping rate may be

γα,NL ∼
(dξα,r/dr)max

τα,2
, (9)

where the numerator is the mode non-linearity (i.e., the

peak value of dξr/dr within the star, which is much less

than unity for a weakly non-linear mode) and the de-

nominator is the wave crossing time of the envelope. We

rerun our evolution models with this non-linear damp-

ing rate, and we find that nearly all models achieve more

tidal spin-up compared to linear damping only.

In Figure 9, we show the predicted BH spins for our

systems with non-linear damping, compared to the pre-

dictions from Zahn’s theory. We see that for very short-

period orbits (P ∼ 0.3 d), the strong tidal forcing trig-

gers substantial non-linear damping, spinning up the

BHs to nearly the same rotation rates as predicted by

Zahn’s theory, where maximum damping occurs. Non-

linear effects are the most significant for low-metallicity

and high-mass (M & 30M�) models, which have lower

order g-modes dominating their tidal processes and less

linear damping (see discussion in §5.1).

However, our non-linear damping model is crude, so

these predictions are not very reliable. A more detailed

study of the non-linear interactions has to be carried out

to establish firm conclusions for the final BH spins.

5.5. Caveats

Throughout this paper, we have assumed very efficient

angular momentum transport within the WR star, such

that it remains rigidly rotating. This is justified by the

asteroseismically callibrated models of magnetic angular

momentum transport (Fuller & Ma 2019) that predict



10 Ma & Fuller

nearly rigid rotation during the helium-burning phase

(Fuller & Lu 2022). However, if angular momentum

transport is inefficient, gravity waves damping near the

stellar surface will preferentially spin up those layers un-

til they are synchronized. This will create a critical layer

at which subsequent waves are absorbed (Goldreich &

Nicholson 1989), synchronizing the star from the outside

inwards. Recent works have investigated the formation

of critical layers and subsequent absoroption of incom-

ing waves (Su et al. 2020; Guo et al. 2023), though they

do not include magnetic torques that may allow angular

momentum transport to prevent critical layer formation.

If a critical layer can form, it will absorb outgoing waves,

such that Zahn’s model applies once again.

We have ignored the influence of the Coriolis force in

our calculations. This will become significant once the

star’s have been partially spun up and the tidal forcing

frequency becomes smaller than the rotation frequency.

However, the prograde ` = m = 2 modes that domi-

nate the tidal interaction have eigenfunctions that are

only slightly changed by Coriolis forces (see, e.g., Fuller

2014), so we don’t expect any of our conclusions to be

greatly affected.

We have adopted the “Dutch” wind models with an

artificial scaling factor to simulate the mass-loss rates

for Wolf-Rayet stars at different metallicities. However,

the wind physics for these stripped stars are highly un-

certain (Vink 2022), and different wind models could

result different rates for the removal of spin angular mo-

mentum from the primary, introducing uncertainties in

the final black hole spins. Nevertheless, we don’t expect

these uncertainties to exceed the differences between our

solar-metallicity models and the 0.01Z� models, as they

represent extreme cases of large and negligible mass-

loss, respectively. Hence, the final black hole spins with

the “correct” wind physics should lie between the data

points representing models with the same initial mass

and periods but different metallicities in our Figure 8.

The conclusion that these black holes are not spun up

to maximal rotation appears robust.

Our stellar models were run at low metallicity in or-

der to reliably calculate the near-surface structure and

mode eigenfunctions. Higher metallicity stars will have

somewhat different structure and mode eigenfunctions

near the surface, particularly around the iron group

opacity peak. If this significantly affects mode damp-

ing rates, then the tidal synchronization efficiency would

be similarly altered. We set up additional test models

with 0.02, 0.03 and 0.2Z� and find that the oscillation

mode parameters (frequencies, damping rates and over-

lap integrals) show no significant differences, nor spe-

cific trends towards higher metallicities, hence we ex-
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Figure 8. The dimensionless spin of resulting black holes for
our Wolf-Rayet star models if their masses and angular mo-
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1 (maximum rotating) if the progenitors have J > GM2/c.
For short initial orbits, the models typically predict higher
spins than individual stellar evolution models, where the
spins could be as low as 10−2. However, the spins are usu-
ally lower than Zahn’s predictions, especially for high-mass
systems.

pect our treatment to be appropriate. However, these

models all have weak winds, while the strong winds in

solar-metallicity models may also alter the eigenmode

properties. Ro & Matzner (2016); Ro (2019) present de-

tailed models of the transition from the hydrostatic star

the hydrodynamic wind in the near-surface layers. Fu-

ture work should investigate how those types of stellar

models affect mode eigenfunctions and damping rates.

Finally, our calculations are performed by summing up

the contribution of individual tidally excited oscillation

modes. If non-resonant modes outside our computed fre-
quency range contribute to the tidal dissipation, or if our

eigenmode calculations miss highly non-adiabatic ther-

mal modes that contribute to the dissipation, then the

tidal dissipation rate could possibly increase. It would

be interesting to compare to calculations performed by

directly computing the forced tidal response, as outlined

in (Sun et al. 2023).

6. CONCLUSION

In this work, we investigate the dynamical tidal spin-

up of Wolf-Rayet stars from black hole companions. We

build Wolf-Rayet star models with different metallici-

ties, and then calculate their oscillation mode frequen-

cies, damping rates, and eigenfunctions. We use these

to integrate the coupled spin-orbit evolution of the bi-

nary based on the tidal excitation of these oscillation
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for our Wolf-Rayet star models with the non-linear damping
rates we estimate in Appendix D. Zahn’s predictions are also
shown. The black hole spins are significantly increased when
including non-linear damping, especially for high-mass black
holes and short-period systems. Hence, non-linear effects
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modes. We also make predictions for the resulting BH

spins upon core-collapse of the Wolf-Rayet star.

We study the properties of the oscillation modes and

find that at shorter orbital period, the tidal forcing is

mostly contributed by standing g-modes, in contrast

to the usual assumption of travelling waves proposed

by Zahn (1975). The standing g-mode spectra con-

tributes a resonance structure, and during most of the

spin-orbit evolution phase, the tidal response lies be-

tween resonances and the interaction strength is weaker

than Zahn’s prediction. The tidal forcing transits to

Zahn’s travelling wave limit at longer periods, in which

Zahn’s estimate is more accurate. However, the specific

transition frequency depends on the stellar masses, and

the structure for more massive stars (supported signif-

icantly by radiation pressure) tend to have lower tran-

sition frequencies, allowing systems in longer-period or-

bits to evolve differently compared to Zahn’s prediction.

We find that it is difficult to tidally synchronize Wolf-

Rayet stars during helium-burning. For solar-metallicity

Wolf-Rayet stars, strong winds tend to remove the ma-

jority of angular momentum deposited by tides, leaving

slowly spinning stars and black holes. At low metallicity,

the stellar wind is weaker and the stars are significantly

tidally spun up, yet still less than Zahn’s prediction, es-

pecially for massive stars and short-period orbits.

Tidal interactions can significantly spin up the result-

ing BHs compared to single-star models. Yet the pre-

dicted black hole spins a are still . 0.4 for all but our

shortest period (Porb < 0.5 d) models. These predic-

tions are consistent with some low/moderate-spin mea-

surements from LIGO/Virgo black hole merger events,

but cannot explain high-spin X-ray binaries events since

only the second-born black hole has large spin in these

models.

We have discussed a new class of gravito-thermal

modes that appear in our calculations, yet we do not

reach a firm conclusion whether these modes are physi-

cal or caused by numerical artifacts. Future work should

investigate the origins of these modes, and any effect

they could have on tidal spin-up.

There are also caveats to our work. We have as-

sumed rigid rotation of the Wolf-Rayet star during our

spin-orbit evolution calculations, as expected if there

are strong internal AM transport processes caused by

magnetic torques. However, weak AM transport could

enable surface critical layer formation, allowing Zahn’s

model to apply. We did not realistically calculate the

near-surface structure of our solar-metallicity models,

which could alter our estimate of the mode damping

rates. We also point out that non-linear damping ef-

fects could be significant for our most massive models,

which can produce more tidal dissipation than our pre-

dictions from linear theory. This should be studied and

improved in future work.
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A. MODE DISPERSION RELATION WITH THERMAL DIFFUSION AND RADIATION PRESSURE

To understand the effects of thermal diffusion on stellar oscillation modes, we modify the derivations in the appendices

of Ma & Fuller (2019), assuming the stellar interior has a mixture of ideal gas and radiation pressure, and constant

molecular weight. The internal energy density is given by

u = cV,gT + aT 4 , (A1)

where T is the temperature of the fluid, and cV,g = nkB/(γg − 1) is the heat capacity for gas at constant volume,

and a is the radiation constant, n is the number density of gas particles and γg is the heat capacity ratio for ideal gas

(γg = 5/3 for mono-atomic gas). The pressure of the mixture is given by

P = Pgas + Prad = nkBT +
1

3
aT 4 . (A2)

Now we consider a change in entropy: from the first law of thermodynamics, we have dS = (dU + pdV )/T . This

immediately leads to the change in entropy density

ds = nkB

[(
1

γg − 1
+

12η

1− η

)
d lnT − 1 + 3η

1− η
d ln ρ

]
, (A3)

where we defined η ≡ Prad/P and used d ln ρ = −d lnV , where ρ is the gas density. Taking the derivative of Equation

A2, we have the following relation:

d lnP = (1− η)d ln ρ+ (1 + 3η)d lnT . (A4)

We substitute this relation into Equation A3 to have two alternative forms of the entropy derivative:

ds = nkB

[(
1

γg − 1
+

12η

1− η
+

(1 + 3η)2

(1− η)2

)
d lnT − 1 + 3η

(1− η)2
d lnP

]
, (A5)

and

ds = nkB

[(
1

γg − 1
+

12η

1− η

)
1

1 + 3η
d lnP −

(
1− η + 12(γg − 1)η

(γg − 1)(1 + 3η)
+

1 + 3η

1− η

)
d ln ρ

]
. (A6)

From Equations A5 and A6 we can calculate the following thermodynamic quantities:

cP ≡ T
(
∂s

∂T

)
P

=

(
∂s

∂ lnT

)
P

=

(
1

γg − 1
+

12η

1− η
+

(1 + 3η)2

(1− η)2

)
nkB , (A7)

Γ1 ≡
(
∂ lnP

∂ ln ρ

)
s

= 1− η +
(γg − 1)(1 + 3η)2

1− η + 12(γg − 1)η
. (A8)

We now derive the energy equation for the mixture of ideal gas and radiation. With thermal diffusion, the entropy
changes at a rate

ds

dt
=
∂s

∂t
+ v · ∇s =

cPκ

T
∇2T . (A9)

where κ is the thermal diffusivity. We assume a static and spherically symmetric stellar background and the usual

harmonic time dependence of perturbations δQ ∝ e−σt = e−iωt. The above equation reduces to

−σ
(
δs+ ξr

∂s

∂r

)
= −cPκk2δ lnT , (A10)

where ξr is the radial displacement and we used the WKB approximation ∇2 → −k2. From Equations A6 and A8, we

have
∂s

∂r
=

1− η
1 + 3η

cP

(
1

Γ1

∂ lnP

∂r
− ∂ ln ρ

∂r

)
=

1− η
1 + 3η

cP
g
N2 , (A11)

where N2 ≡ g(Γ−1
1 ∂ lnP/∂r−∂ ln ρ/∂r) is the Brunt-Väisälä frequency. We can further express δs and δ lnT in terms

of δP and δρ from Equations A6 and A4. We substitute them and the above equation into Equation A10, and arrive

at our energy equation: (
1− κk2

σ

)
δρ

ρ
=

(
1

Γ1
− κk2

σ

1

1− η

)
δP

P
+
N2

g
ξr . (A12)
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It is straightforward to verify that Equation A12 reduces to the energy equation in Ma & Fuller (2019) when η = 0,

i.e. radiation is neglected.

We now consider the dynamics of the fluid. The perturbed momentum equation reads:

ρω2ξr = ikrδP + gδρ , ρω2ξ⊥ = ∇⊥δP , (A13)

where we again used the WKB approximation ∇r → ikr. The continuity equation with the incompressible approxi-

mation1 gives

∇ · ξ ≈ ikrξr +∇⊥ · ξ⊥ = 0 . (A14)

When the angular dependence of perturbation variables are expanded in spherical harmonics, we have ∇2
⊥ → −λ/r2

where λ = l(l + 1). Combining the above equations with the energy equation, we arrive at the dispersion relation

1− κk2

σ
+

λ

k2r2

N2

σ2
=

(
1

Γ1
− κk2

σ

1

1− η

)
ikr
k2H

, (A15)

where H ≡ P/(ρg) is the pressure scale height. With the WKB approximation, k ≈ kr and krH � 1, the first term

in the bracket of the right hand side can be neglected, and the dispersion relation becomes

1− κk2
r

σ

(
1− 1

1− η
i

krH

)
≈ − λ

k2
rr

2

N2

σ2
. (A16)

B. GRAVITY AND THERMAL MIXED MODES

When gas pressure is non-negligible, we always have 1− η ∼ 1 and the second term in the bracket of the left hand

side of Equation A16 can usually be neglected under WKB approximation krH � 1. The dispersion relation hence

reduces to the quadratic equation (
ωT
σ
k2
rr

2

)2

−
(
ωT
σ
k2
rr

2

)
− 1

4

ω3
crit

σ3
= 0 , (B17)

where ωT = κ/r2 is the thermal frequency, and

ωcrit ≡ (4λN2ωT )1/3 (B18)

is the critical frequency between different types of modes. The solution to Equation B17 is

k2
rr

2ωT
σ

=
1

2
± 1

2

(
1 +

ω3
crit

σ3

)1/2

, (B19)

which has two important limits.

1. High-frequency region (|ωcrit| � |σ|): the solution reduces to

k2
rr

2ωT
σ
' 1

2
± 1

2

(
1 +

1

2

ω3
crit

σ3

)
. (B20)

The “+” sign solution further reduces to the (radial) thermal diffusion solution k2
rκ ' σ. The “−” sign solution

reduces to k2
r = −λN2/r2σ2, which is the g-mode dispersion relation. With σ = i(ω + iγ), under the weakly

damped limit γ � ω, we have

kr ≈ ±
√
λN

rω2
(ω − iγ) , (B21)

which means the wave amplitude increases/decreases as it gets closer to the envelope, at a rate =(kr) =

±
√
λNγ/(rω2).

1 The result is similar without this approximation.
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Figure 10. kr for the thermal mode on the complex plane. The four solutions correspond to rapidly increasing, slowly
increasing, rapidly decreasing and slowly decreasing thermal modes, respectively.

2. Low-frequency region (|ωcrit| � |σ|): The solutions reduce to

k2
rr

2 ' ±
(
λN2

ωTσ

)1/2

. (B22)

Under the weakly damped limit, σ = i(ω + iγ) ≈ iω, we hence have

kr ≈
eiθ

r

(
λN2

ωTω

)1/4

, (B23)

where θ = 3π/8, 7π/8, 11π/8 or 15π/8, corresponding to the four solutions of rapidly increasing, slowly in-

creasing, rapidly decreasing and slowly decreasing thermal modes, respectively (Figure 10). Physically, these

waves are gravito-thermal modes in which both buoyancy and thermal diffusion play important roles. For

the rapidly evanescent modes, =(kr) = ±(λN2/ωTω)1/4 cos(π/8)/r, while for the slowly evanescent modes,

=(kr) = ±(λN2/ωTω)1/4 sin(π/8)/r, both of which are independent of γ.

Since ωcrit explicitly depends on the local stellar properties, modes of a given frequency can behave as either gravity or

thermal waves in different parts of the star, as we see in Figure 1. Modes can therefore behave as “mixed modes”, with

gravity mode character in the core of the star where thermal diffusion is unimportant, and thermal mode character

near the surface of the star where thermal diffusion is very important. Such modes have rarely been examined in

asteroseismology because their high damping rates mean that they will not be visible as stellar pulsation modes.

However, these damping rates also mean they could be very important for energy dissipation via tidal excitation.

C. STRANGE MODES

When solving for high-order, low-frequency mixed modes, GYRE occasionally returns solutions which we identified

as “strange modes”. An example is given in Figure 11. The strange modes are usually distinct in the following

aspects: 1) the modes have higher damping rates, often one order of magnitude larger than the normal modes. This

causes stronger spatial evanescence as the waves propagate inwards, as seen from equation B22. 2) The modes have

unusual winding numbers npg (defined in Takata (2006), and treated as mode radial orders in GYRE), departing from

the normal npg-period relation of normal modes (Figure 11, right panel). 3) The modes do not obey the uniform

period spacing shared by normal g-modes. 4) The strange mode eigenfunctions seem to be artificially truncated in the

radiative envelope, once they reach a minimum amplitude. We confirm that there are no special physical conditions

inside the star where they are truncated. Resolution tests also show that the strange mode solutions do not converge

even at very high spatial/frequency resolution.
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Figure 11. Left: All mode eigenfunctions for mode periods between 0.1 to 2 days solved by GYRE for a 10M� Wolf-Rayet
star model at solar metallicity during helium burning. In addition to the normal modes (black lines, including standing g-modes,
travelling g-modes and mixed modes, discussed in §3), a strange mode solution (red line) exists. This mode has much higher
damping rate because it is localized near the stellar surface, as indicated by its rapidly decreasing amplitude towards the core.
Right: The periods and winding numbers (npg) for mode solutions, showing an outlying strange mode solution.

We guess that the strange modes are effectively gravito-thermal mixed modes that are trapped in the near surface

region where the waves behave as thermal waves (|ωcrit| � |σ|). Because they are trapped in the surface layers, their

damping rates are much larger than normal modes, similar to the acoustic strange modes found at high frequencies

(Glatzel & Kaltschmidt 2002) . Because their eigenfunctions evanesce so rapidly towards the core, their amplitudes

apparently drop below the numerical precision of GYRE near the core, causing the artificial behavior of the eigen-

function at small radii seen in Figure 11. This also causes the value of npg computed by GYRE to be incorrect, and

explains why their exact frequencies/eigenfunctions do not converge at high spatial resolution.

In our calculations, the strange modes only exist in the low-frequency range of mode spectra. Hence, if actually

physically present, these modes will only be relevant at the late stage of spin-orbit evolution, when the star has already

been significantly spun up. Hence, we believe our main results to be robust against the uncertainties surrounding

strange modes, but these modes should be studied in more detail in future work.

D. NON-LINEAR DAMPING OF MODES

Our tidal calculations are based entirely on linear theory, yet under certain circumstances non-linear effects could be

important. The dominant non-linear term in the fluid momentum equation is ξ · ∇ξ ∼ ξ(dξr/dr), hence dξr/dr serves

as an approximate measure of linearity, which only holds when dξr/dr � 1. For our most massive models, the modes

become non-linear very close to resonance, so non-linear effects will be important during resonance crossings. While

developing a complete non-linear theory is beyond the scope of this work, here we propose an ad-hoc estimate of the

non-linear damping rates of modes.

We have pointed out that the non-linearity can be estimated by dξr/dr. Specifically, we define

φα ≡ (dξα,r/dr)max = Aα(dξ̄α,r/dr)max (D24)

as the parameter to characterize non-linearity of mode α, where ξ̄α,r is the normalized eigenfunction solution of α and

Aα is the mode amplitude due to linear driving, given by Fuller (2017):

Aα =
1

2

WlmQαωf√
(ωα − ωf)2 + (γα + γα,NL)2

(
Mp

M∗

)(
R∗
a

)l+1

. (D25)

Note that we have replaced the damping rate by γα + γα,NL, where we denote γα as the usual radiative damping rate

we adopted in linear theory, and γα,NL as the damping rate caused by non-linear effects. From our convention, γα,NL is

a function of φα, i.e. γα,NL = γα,NL(φα). While the detailed functional form of γα,NL requires a thorough examination

of the non-linear damping mechanisms, physically we expect

γα,NL(0) = 0 , γα,NL(φα & 1) ' γα,NL,max , (D26)
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i.e., no non-linear damping when the mode amplitude is zero, and maximum damping when the φα parameter reaches

1. The maximum damping rate γα,NL,max can be estimated by the inverse group travel time τα,2 defined in Ma &

Fuller (2021):

γα,NL,max ' −
1

τα,2
= −

(√
6

ω2
α

∫
rad

Ndr

r

)−1

, (D27)

where the integral is carried out in the radiative zone of the star, and N is the Brunt-Väisälä frequency. Several

authors suggest that the non-linear damping rate should scale as γα,NL ∝
√
Eα ∝ Aα (see, e.g., Kumar & Goodman

1996; Yu et al. 2020). This suggests γα,NL(φα) is linearly proportional to the mode amplitude, such that

γα,NL(φα) ' min(1, φα)γα,NL,max . (D28)

Note that this ad-hoc expression D28 should most likely to hold when φα � 1 and φα & 1, since we only know the

properties of this function under these two limits. This further suggests we can assume (γα + γα,NL)2 ' γ2
α + γ2

α,NL,

since one of the two terms will always dominate the expression under these two limits. With this convention, combining

Equations D24, D25 and D28, we have a quadratic equation for A2
α (when φα < 1)

(A2
α)2 + 2BαA

2
α − Cα = 0 , (D29)

where Bα = ((ωα−ωf)
2 +γ2

α)/(2γ̄2
α), Cα = W 2

lmQ
2
α(ωf/2γ̄α)2(Mp/M∗)

2(R∗/a)2(l+1) and γ̄α ≡ (dξ̄α,r/dr)maxγα,NL,max.

The positive solution of A2
α gives

Aα = (
√
B2
α + Cα −Bα)1/2 . (D30)

Hence the non-linear damping rate is given by

γα,NL = −min
[
1,
(√

B2
α + Cα −Bα

)1/2
(dξ̄α,r/dr)max

]
τ−1
α,2 . (D31)
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ABSTRACT

In this paper, we carry out a detailed analysis of the M1.6 class eruptive flare occurring in NOAA active region
13078 on 2022 August 19. The flare is associated with a fast coronal mass ejection (CME) propagating in the
southwest direction with an apparent speed of ∼926 km s−1. Meanwhile, a shock wave is driven by the CME at
the flank. The eruption of CME generates an extreme-ultraviolet (EUV) wave expanding outward from the flare
site with an apparent speed of ≥200 km s−1. As the EUV wave propagates eastward, it encounters and interacts
with the low-lying adjacent coronal loops (ACLs), which are composed of two loops. The compression of
EUV wave results in contraction, expansion, and transverse vertical oscillations of ACLs. The commencements
of contraction are sequential from western to eastern footpoints and the contraction lasts for ∼15 minutes.
The speeds of contraction lie in the range of 13−40 km s−1 in 171 Å and 8−54 km s−1 in 193 Å. A long,
gradual expansion follows the contraction at lower speeds. Concurrent vertical oscillations are superposed on
contraction and expansion of ACLs. The oscillations last for 2−9 cycles and the amplitudes are ≤4 Mm. The
periods are between 3 to 12 minutes with an average value of 6.7 minutes. The results show rich dynamics of
coronal loops.

Keywords: Sun: flares — Sun: oscillations — Sun: coronal mass ejections (CMEs)

1. INTRODUCTION

Coronal mass ejections (CMEs) are impulsive, large-scale
eruptions of magnetic field and corona plasma into the he-
liosphere (see Chen 2011; Georgoulis et al. 2019, and refer-
ences therein). A majority of CMEs are produced by erup-
tions of prominences or magnetic flux ropes originating from
quiet regions or active regions (Fan 2005; Aulanier et al.
2010; Yan et al. 2018; Zhang 2022; Zhou et al. 2023). The
speeds of CMEs have a wide range from ∼100 km s−1 to
≥3000 km s−1 (Yashiro et al. 2004). Successive stretching
of the overlying magnetic field lines generates a bright, ex-
panding front from the source region observed in extreme
ultraviolet (EUV) wavelengths, which is named “EIT wave”
(Thompson et al. 1998; Chen et al. 2002, 2005; Ballai et al.
2005). Meanwhile, a faster coronal Moreton wave is
frequently observed to propagate ahead of the EIT wave

Corresponding author: Qingmin Zhang

zhangqm@pmo.ac.cn

(Chen & Wu 2011; Kumar et al. 2013; Devi et al. 2022).
It is generally accepted that an EUV wave consists of a
wave-like component moving at fast magnetosonic speed
(Wills-Davey & Thompson 1999; Zheng et al. 2023) and a
coherent driven compression front related to the eruption
(Downs et al. 2011). Occasionally, the fast-mode wave
is a shock wave accompanied by a type II radio burst
(Gopalswamy et al. 2009; Zucca et al. 2018).

Waves and oscillations are omnipresent in the solar at-
mosphere (Andries et al. 2009; Ruderman & Erdélyi 2009;
Jess et al. 2015; Nakariakov & Kolotkov 2020), such as
Alfvén waves (Erdélyi & Fedun 2007; Liu et al. 2019), slow-
mode (Wang et al. 2003; Xia et al. 2022), and fast-mode
magnetohydrodynamics (MHD) waves (Edwin & Roberts
1983). Fast-mode kink oscillations of coronal loops
excited by flares were first observed by the Transi-
tion Region and Coronal Explorer (TRACE) spacecraft
(Aschwanden et al. 1999; Nakariakov et al. 1999). Kink
oscillations could also been induced by small-scale mag-
netic reconnection (He et al. 2009), coronal jets (Dai et al.
2021), prominence eruptions (Zimovets & Nakariakov
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2015), and EUV waves (Shen & Liu 2012; Kumar et al.
2013; Srivastava & Goossens 2013; Guo et al. 2015; Su et al.
2018; Devi et al. 2022). Coronal seismology based on kink
oscillations provides an effective way of determining the
magnetic field strength, internal Alfvén speed, and density
scale height of the oscillating loops (Nakariakov & Ofman
2001; Verwichte et al. 2004; Verth & Erdélyi 2008; Li et al.
2017; Yang et al. 2020; Zhang et al. 2020; Li & Long 2023).
Interaction between EIT waves and coronal loops has been
used to estimate the wave energy, which is hard to measure
directly (Ballai et al. 2005; Fulara et al. 2019).

According to the polarization direction, transverse oscil-
lations are categorized into horizontal and vertical oscil-
lations. For the horizontal-polarized type, the direction
of oscillation is perpendicular to the loop plane. For the
vertical-polarized type, the direction of oscillation is consis-
tent with the loop plane (Wang & Solanki 2004; White et al.
2012; Verwichte & Kohutova 2017; Zhang et al. 2022a).
Mrozek (2011) reported vertical loop oscillations driven by
a failed filament eruption from below. On the other hand,
Reeves et al. (2020) detected Doppler oscillations of the
magnetic tuning fork created by reconnection outflows prop-
agating downward. Another category of vertical oscillation is
caused by implosion of large-scale, overlying coronal loops
during the impulsive phase of a flare (Gosain 2012; Sun et al.
2012; Simões et al. 2013). The equilibrium positions of ver-
tical oscillations are rapidly contracting inward at speeds of
a few tens to ≥100 km s−1, and there is no recovery to their
original heights. Russell et al. (2015) proposed a unified
model (“remove-of-support” mechanism) to self-consistently
explain the contraction and vertical oscillation. Besides, ver-
tical loop oscillation after the strong impact of an EUV wave
has been observed (Srivastava & Goossens 2013; Su et al.
2018). Murawski et al. (2005) carried out two-dimensional
(2D) numerical simulations of vertical, kink-mode loop os-
cillations that are excited impulsively. The effect of vary-
ing the initial pulse position is explored and the results are
consistent with previous observations by Wang & Solanki
(2004). Furthermore, Selwa et al. (2010) performed 2D nu-
merical simulations of vertical kink oscillations excited by
an oscillatory driver. Comparison with the impulsive exci-
tation by a pressure pulse (e.g., an EUV wave) shows that
attenuation of vertical kink oscillations is greatly reduced.
Energy leakage is a predominant mechanism of quick atten-
uation of vertical kink oscillations (Selwa et al. 2005, 2007).
Using 3D numerical modelings, Ofman et al. (2015) investi-
gated the vertical loop oscillations after the impact of a fast-
mode shock wave. The periods are very close to the observed
values (Srivastava & Goossens 2013).

Chandra et al. (2021) reported contraction and expansion
of coronal loops induced by a nearby filament eruption. They
conjectured that a coronal wave is generated during the erup-

Figure 1. (a) SXR light curves of the M1.6 flare in 1−8 Å (red line)
and 0.5−4 Å (blue line). The vertical dashed line marks the peak
time. (b) Height-time plot of the CME leading edge observed by
SOHO/LASCO till 06:30 UT. The apparent speed (∼926 km s−1) of
the CME is labeled.

tion, pushing the loops downward followed by a recovery to
their initial positions. Zhang et al. (2022b) studied the erup-
tion of an EUV hot channel (flux rope) on 2022 January 20,
which produced an M5.5 class flare, a fast CME, and an EUV
wave. During its propagation, the EUV wave encounters and
compresses low-lying adjacent coronal loop (ACLs), result-
ing in rapid contraction, expansion, and vertical oscillation of
ACLs. Inspired by the “remove-of-support” mechanism, the
authors put forward a new scenario to explain the expansion
and oscillation (see their Fig. 12). They speculated that verti-
cal oscillation of high-lying coronal loops during contraction
as a result of implosion and vertical oscillation of low-lying
loops during expansion after the EUV wave leaves are phys-
ically the same. Until now, vertical oscillations during both
contraction and expansion motions have not been observed.

In this paper, we report multiwavelength observations of
an M1.6-class flare (SOL2022-08-19T04:44) on 2022 Au-
gust 19. The eruptive flare and the associated CME initiated
in NOAA active region (AR) 13078 (S27W48). Transverse
vertical oscillations in low-lying ACLs were detected during
both contraction and expansion phases. The paper is orga-
nized as follows. We describe observations and related data
analysis in Section 2. The results are presented in Section 3
and discussed in Section 4. Finally, a brief summary is given
in Section 5.

2. OBSERVATIONS AND DATA ANALYSIS

The M1.6 flare was observed by the Atmospheric Imaging
Assembly (AIA; Lemen et al. 2012) on board the Solar Dy-
namics Observatory (SDO) spacecraft. AIA takes full-disk
images in seven EUV (94, 131, 171, 193, 211, 304, and 335
Å) and two UV (1600 and 1700 Å) wavelengths with a spa-
tial resolution of 1.′′2 and time cadences of 12 s (EUV) or 24
s (UV). The level 1.0 data were calibrated using aia prep.pro

in the Solar Software (SSW). In its early phase, the flare was
observed by the full-disk Hα Imaging Spectrograph (HIS)
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on board the Chinese Hα Solar Explorer (CHASE; Li et al.
2022). CHASE/HIS provides Hα spectroscopic observations
with a pixel spectral resolution of 0.024 Å, a spatial reso-
lution of 1.′′2, and a time cadence of one minute (Qiu et al.
2022). The Hα images were coaligned with the AIA 304 Å
images with an accuracy of ∼0.′′5. Soft x-ray (SXR) fluxes
of the flare in 0.5−4 Å and 1−8 Å were detected by the
GOES-16 spacecraft with a cadence of 1 s. The CME was
observed by the Large Angle and Spectrometric Coronagraph
(LASCO; Brueckner et al. 1995) on board the SOHO space-
craft 1. The radio dynamic spectra during eruption was ob-
tained from the Australia-ASSA ground-based station2 with
a cadence of 0.25 s and a frequency coverage of 17−87 MHz.

Figure 1(a) shows the SXR light curves of the flare in 1−8
Å (red line) and 0.5−4 Å (blue line), respectively. The SXR
emission starts to rise at ∼04:14 UT, peaks at ∼04:44 UT
(black dashed line), and declines gradually until ∼05:50 UT.
Therefore, the lifetime of the flare is over 1.5 hr.

Figure 2(a1-a6) show six AIA 131 Å images to illus-
trate the evolution of the flare (see also the online anima-
tion). The arrows point to the bright and hot post-flare loops
(PFLs). A magnetic flux rope or hot channel was not de-
tected before and during the eruption (Reeves & Golub 2011;
Zhang et al. 2022b). Figure 2(b-c) show the bright flare rib-
bons in the chromosphere observed in 1600 Å and Hα line
center (6562.8 Å) at 04:31 UT, respectively. The western
ribbon is much longer and brighter than the eastern one.

Figure 3 shows white-light (WL) images of the CME and
shock wave observed by LASCO/C2 coronagraph. The CME
first appears at 04:49:30 UT and propagates in the southwest
direction with a central position angle of ∼225◦. The angu-
lar width reaches ∼104◦ due to the CME-driven shock. The
height evolution of CME during 04:49−06:30 UT is plotted
with purple diamonds in Figure 1(b). A linear fitting of the
height as a function of time results in an apparent speed of
∼926 km s−1. Taking the projection effect into account, the
true speed of CME reaches ∼1246 km s−1, which is sufficient
to drive a shock.

Figure 4 shows six AIA 193 Å base-difference images dur-
ing 04:20−04:45 UT (see also the online animation). The
arrows indicate the leading edge (LE) of the CME in its early
phase. As the CME rises and propagates in the southwest di-
rection, a bright EUV wave expands outward from the flare
site and detaches from the CME bubble, leaving behind a
dark dimming region. To study the evolution of EUV wave,
a straight slice (S0) with a length of 371′′ is selected in panel
(d). The time-distance plot of S0 is displayed in Figure 5(b).

1 cdaw.gsfc.nasa.gov/CME list/UNIVERSAL/2022 08/univ2022 08.html
2 www.e-callisto.org

The EUV wave front propagates from ∼04:26 UT to ∼04:45
UT at an apparent speed of ∼201 km s−1 on the disk.

Figure 5(a) shows the radio dynamic spectra of the erup-
tive flare observed by the Australia-ASSA station, featuring
a type II radio burst related to the shock. The frequency drifts
slowly from ∼80 to ∼45 MHz during 04:34:30−04:43:30 UT
(Zucca et al. 2018). Therefore, the shock is formed at the
early phase of CME evolution below 2R⊙, which is proba-
bly due to its initial overexpansion (Patsourakos et al. 2010).
Coincidence of the EUV wave and type II radio burst sug-
gests that the bright EUV wave front is the imprint of the
CME-driven shock on the surface.

3. RESULTS

In Figure 4(a-b), the base-difference images show the
ACLs next to the flare region. As the EUV wave expands
outward, it sweeps the ACLs. In Figure 6, six AIA 171 Å
base-difference images illustrate the interaction between the
EUV wave and ACLs (see also the online animation). It is
clear that as the EUV wave arrives from the flare site and
compresses the ACLs, the interaction causes contraction, ex-
pansion, and oscillation of ACLs (Zhang et al. 2022b). In
panel (a), the footpoints (FP1 and FP2) of ACLs are marked
by two cyan circles, which are ∼193′′ apart. The ACLs are
composed of two loops, L1 and L2, with L1 being higher
and longer than L2. Four slices (S1-S4) with the same length
of 87 Mm are selected to investigate the evolution of ACLs.
Time-distance plots of the four slices in 171 and 193 Å are
displayed in the left and right panels of Figure 7, respectively.
The manually extracted trajectories of L1 and L2 are denoted
with orange and black “+” symbols, respectively. The con-
tractions of ACLs commence after 04:20 UT and persist until
∼04:36 UT. It is worth noting that the start times of contrac-
tion are sequential from S4 to S1 since S4 is closer to the flare
site. The speeds of contraction of L1 are larger than those of
L2, which is most probably due to that L1 is higher than L2
and responds to the compression of EUV wave earlier than
L2. Afterwards, the ACLs expand gradually until 05:15 UT
and the speeds of expansion are evidently lower than those of
contraction. The final heights of ACLs are equal to or lower
than the initial heights. Hence, the whole process lasts for
∼55 minutes. Interestingly, vertical oscillations are super-
posed on the contraction and expansion, which is different
from previously reported situations of oscillation during con-
traction (Gosain 2012; Sun et al. 2012; Simões et al. 2013)
as well as oscillation during expansion (Zhang et al. 2022b).
The oscillation of L1 is obvious along all slices in 171 and
193 Å. On the contrary, the oscillation of L2 is distinguish-
able along S2-S4 in 171 Å (panels (a1-a3)), while it is clear
only along S3 in 193 Å (panel (b2)).
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Figure 2. (a1-a6): AIA 131 Å images to illustrate the evolution of the flare. The white arrows point to the hot post-flare loops (PFLs). In panel
(a6), the white dashed box denotes the FOV of panels (b-c). (b-c): Flare ribbons in the chromosphere observed by AIA 1600 Å and CHASE
Hα line center, respectively. An animation showing the PFLs in AIA 131 Å is available. It covers a duration of 80 minutes from 04:20 UT to
05:40 UT on 2022 August 19. The entire movie runs for ∼4 s. (An animation of this figure is available.)
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Figure 3. Running-difference images of the CME observed by LASCO/C2 during 04:49−05:36 UT. The white arrows point to the CME and
CME-driven shock.

The trajectories of L1 and L2 along S1-S4 are plotted with
orange and black circles in Figure 8. To precisely derive the
background trend including the contraction and expansion,
we apply the following function of t:

h(t) = −c1 tanh(
t − t1

a1
) + c2 tanh(

t − t2

a2
) + d, (1)

where c1, t1, a1, c2, t2, a2, and d are seven free param-
eters. The first and second terms represent contraction
(Russell et al. 2015) and expansion (Zhang et al. 2022b), re-
spectively. t1 and t2 denote times after the onsets of con-
traction. The curve fittings are performed by using the mp-

fit.pro program in SSW. The fitted parameters are listed in
Table 1 and the background trends are superposed with green
and blue dashed lines in Figure 8. It is clear that the trends
are smooth and the fittings are satisfactory in most cases.

In Figure 8, the associated detrended trajectories of ACLs
are obtained after subtracting the background trends. In

Figure 9, the top panels show the detrended trajectories
of L1 and L2 in 171 Å. It is obvious that vertical os-
cillations of the loops last for 2−9 cycles and the am-
plitudes are ≤4 Mm. Morlet wavelet transforms of the
detrended trajectories are displayed in the bottom panels
of Figure 9. The corresponding periods of oscillations
are between 3 and 12 minutes, which are listed in the
eleventh column of Table 1. The multiple periods sug-
gest possible existence of harmonics in loop oscillations
(De Moortel & Brady 2007; Van Doorsselaere et al. 2007;
Duckenfield et al. 2018). To derive the damping times of the
vertical oscillations, the detrended trajectories are fitted with
the function (Nakariakov et al. 1999):

y(t) = A0 sin(
2π
P

(t − t0) + φ0) exp(−
t − t0

τd

), (2)
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Figure 4. AIA 193 Å base-difference images to illustrate the formation and propagation of an EUV wave. In panels (a-b), the arrows point
to the adjacent coronal loops (ACLs). In panels (c-d), the arrows point to the EUV wave and CME leading edge (LE). An artificial slice (S0)
with a length of 371′′ is used to investigate the evolution of EUV wave. An animation showing the EUV wave in AIA 193 Å is available. It
covers a duration of 25 minutes from 04:20 UT to 04:45 UT on 2022 August 19. The entire movie runs for ∼1 s. (An animation of this figure
is available.)

Table 1. Fitted parameters of the trend in Equation (1) and the related periods (P) and damping times (τd) of vertical
oscillations.

λ Slice Loop c1 t1 a1 c2 t2 a2 d P τd τd/P

(Å) (Mm) (s) (s) (Mm) (s) (s) (Mm) (min) (min)

171 S1 L1 1.73 115.67 2.04 61.82 4713.04 1438.41 66.41 6.5 8.3 1.3

171 S2 L1 5.06 338.44 99.14 148.61 5367.20 1450.24 156.08 6.4 10.8 1.7

171 S2 L2 8.50 -81.03 732.88 78.50 7595.76 4389.96 80.63 7.5 10.8 1.4

171 S3 L1 6.06 357.18 120.68 32.48 2959.28 524.60 40.45 7.2 14.2 2.0

171 S3 L2 3.25 314.77 130.43 565.58 7436.12 1728.17 569.72 6.5 25.7 3.9

171 S4 L1 4.04 345.48 352.94 54.70 2813.15 988.94 57.17 3.0, 6.0 25.7 8.6, 4.3

171 S4 L2 2.30 120.46 25.81 3.42 2576.69 1169.69 6.71 12.0 9.7 0.8

193 S1 L1 0.30 169.00 3.88 1.60 2155.64 315.52 4.83 5.8 26.3 4.5

193 S2 L1 3.89 160.87 60.14 2.27 2231.14 464.54 9.31 6.4 34.7 5.4

193 S3 L1 8.28 121.69 208.45 2.02 1704.12 191.20 12.81 6.5 10.8 1.7

193 S3 L2 3.57 186.61 132.26 2.13 1866.29 286.71 7.07 6.5 20.8 3.2

193 S4 L1 6.25 428.07 476.08 9.01 1327.76 973.07 9.13 ... ... ...
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Figure 5. (a) Radio dynamic spectra of the eruptive flare observed
by the Australia-ASSA station. The arrow points to the type II radio
burst related to the CME-driven shock. (b) Time-distance plot of S0
in 193 Å. s = 0 and s = 371′′ denote the northwest and southeast
endpoints of S0, respectively. The apparent speed (∼201 km s−1) of
the EUV wave is labeled.

where A0 and φ0 denote the initial amplitude and phase at
t0, P is the period derived from the wavelet transform, and
τd represents the damping time. The fitted values of τd and
ratios of τd/P are listed in the last two columns of Table 1.

The top panels of Figure 10 show detrended trajectories
of L1 and L2 in 193 Å. Morlet wavelet transforms of the
detrended trajectories are displayed in the bottom panels of
Figure 10. The corresponding periods of oscillations are be-
tween 5.8 and 6.5 minutes. It is noted that the oscillation
along S4 in 193 Å (Figure 8(b1)) is marginal. Hence, wavelet
transform was not carried out. Likewise, the corresponding
τd and τd/P in 193 Å are listed in the last two columns of
Table 1. The damping times of all ACLs in 171 and 193 Å
range from 8 to 35 minutes with a median value of ∼14 min-
utes. The ratio of τd/P range from 0.8 to 8.5 with a median
value of ∼2.0, which is close to that of horizontal oscillations
(Zhang et al. 2020; Dai et al. 2021). The average and stan-
dard deviation of all periods of ACLs are 6.7 and 2 minutes,
respectively. This average period is close to the periods of
transverse loop oscillation on 2001 April 15 (Verwichte et al.
2004) and 2001 June 15 (Aschwanden et al. 2002). Assum-
ing a semi-circular shape of the ACLs, the average loop
length (L) is estimated to be ∼220 Mm, which is also equal
to the loop length on 2001 April 15 (Verwichte et al. 2004).
The phase speed of vertical oscillation is calculated to be
Ck = 2L/P ≈ 1094 km s−1, which is very close to the value
reported by Nakariakov & Ofman (2001). Assuming a den-

Figure 6. Snapshots of the AIA 171 Å images during the contrac-
tion, expansion, and oscillation phases. In panel (a), a red star marks
the flare site, and two cyan circles mark the footpoints of ACLs,
i.e., FP1 and FP2. The ACLs are composed of two loops, L1 and
L2. Four slices (S1, S2, S3, S4) with the same length of 87 Mm
are used to investigate the evolution of ACLs. An animation show-
ing the passage of an EUV wave and the subsequent expansion and
transverse vertical oscillation of ACLs in AIA 171 Å is available.
It covers a duration of 35 minutes from 04:25 UT to 05:00 UT on
2022 August 19. The entire movie runs for ∼5 s. (An animation of
this figure is available.)

sity ratio of ∼0.1 between the external and internal plasma
(Nakariakov et al. 1999; Chen & Peter 2015), the average in-
ternal Alfvén speed of the loops is estimated to be ∼811 km
s−1.

4. DISCUSSION

To explain the contraction and vertical oscillation of the
overlying coronal loops as a result of coronal implosion,
Russell et al. (2015) employs a novel equation:

d2x

dt2
+ ω2(x − x0(t)) + 2ωκ

dx

dt
= 0, (3)

where x(t) denotes the displacement of the loop, x0(t) de-
notes the equilibrium position as a function of t, ω denotes
the frequency of the undamped oscillation, and κ is the damp-
ing ratio. The response of overlying loop depends on the
ratio of change-in-equilibrium time scale (τcie) to the pe-
riod of oscillation (τosc), i.e., τcie/τosc. The loop impulsively
reaches a new equilibrium position with oscillation when
τcie ≪ τosc. In contrast, the loop collapses slowly without
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Table 2. Comparison of the three events, including the flare class, association with a shock, initial contraction
speeds in 304, 171, and 193 Å, period of loop oscillations, and ratio of τcie/τosc, respectively.

Date Flare Shock V304 V171 V193 P τcie/τosc Ref.

(km s−1) (km s−1) (km s−1) (min)

2022/01/20 M5.5 Yes 44 71 71 4.4±0.2 ≪1 Zhang et al. (2022b)

2022/08/19 M1.6 Yes ... 13−40 8−54 ∼6.7 ∼1 this study

2013/03/16 ... No ... 2−10 3−11 ... ≫1 Chandra et al. (2021)

Figure 7. Time-distance plots of S1-S4 in AIA 171 Å (left panels)
and 193 Å (right panels). s = 0 and s = 87 Mm signify the north
and south endpoints of the slices. The manually extracted trajecto-
ries of L1 and L2 are denoted with orange and black “+” symbols,
respectively.

oscillation when τcie ≫ τosc. Moderate collapse with oscil-
lation takes place when the two parameters are comparable
(see their Fig. 4). The speed of contraction (Vcon) is the
highest when τcie ≪ τosc and lowest when τcie ≫ τosc. In
other words, τcie is inversely proportional to Vcon. Conse-
quently, the vertical oscillation seems to be stealth during the
impulsive collapse and becomes discernible on the condition
of moderate collapse. Zhang et al. (2022b) studied the con-
traction, expansion, and vertical oscillation of ACLs close to
AR 12929 on 2022 January 20. The final heights of ACLs
exceed their initial heights before flare. They concluded that
Equation (3) can interpret not only the contraction and os-
cillation of overlying coronal loops, but also the expansion
and oscillation of ACLs. Moreover, an innovative cartoon is
proposed to illustrate the whole process (see their Fig. 12).
In the current study, the values of Vcon in 171 Å are between

Figure 8. Trajectories of ACLs (orange circles for L1 and black
circles for L2) along S1-S4 in 171 Å (left panels) and 193 Å (right
panels). The green and blue dash lines represent the fitted trends
using Equation (1). The speeds of initial contraction are labeled.

13 and 40 km s−1 with a median value of 18 km s−1 (see
Figure 8 and Table 2). The values of Vcon in 193 Å are be-
tween 8 and 54 km s−1 with a median value of 41 km s−1,
which are considerably lower than the value (71 km s−1) on
2022 January 20. That is to say, the values of τcie in the
current event are much longer than that on 2022 January 20,
which may explain the coherent vertical oscillations during
both contraction and expansion phases of ACLs.

Using the multiwavelength observations from SDO/AIA,
Chandra et al. (2021) investigated the filament eruption and
evolutions of two sets of adjacent loop systems on 2013
March 16. The filament eruption was related to a partial
halo CME and a weak coronal wave, but was not associated
with a detectable x-ray flare. Both sets of coronal loops un-
derwent in-phase contraction first and then expand roughly
back to their original positions without kink oscillation. The
speeds of contraction vary from 2 to 10 km s−1 in 171 Å and
from 3 to 11 km s−1 in 193 Å (see Table 2). Therefore, the
speeds of contraction are the lowest and the value of τcie is
the longest on 2013 March 16, which might interpret the ab-
sence of oscillation during the contraction. In brief, the three
events are representative of three cases of coronal loop dy-
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Figure 9. Morlet wavelet transforms (bottom panels) of the associated detrended trajectories in 171 Å (top panels). The horizontal axes
represent the times after onsets of contraction. The red lines represent the 95% confidence level. The black lines show the cone of influence.

Figure 10. Morlet wavelet transforms (bottom panels) of the asso-
ciated detrended trajectories in 193 Å (top panels). The horizontal
axes represent the times after onsets of contraction.

namics in response to the impact of an EUV wave in vertical
direction with different conditions, including rapid contrac-
tion followed by expansion and oscillation, coherent oscilla-
tion superposed on contraction and expansion, pure contrac-
tion and expansion without oscillation. These works con-
vincingly reveal the rich dynamics of coronal loops.

5. SUMMARY

In this paper, we perform a detailed analysis of the M1.6
class eruptive flare occurring in AR 13078 on 2022 August
19. The flare is associated with a fast CME propagating in
the southwest direction with an apparent speed of ∼926 km
s−1. Meanwhile, a shock wave is driven by the CME at the
flank. The early evolution of CME is accompanied by a type
II radio burst, suggesting the shock wave is formed during the
impulsive acceleration of CME. The eruption of CME gener-
ates an EUV wave expanding outward from the flare site with
an apparent speed of ≥200 km s−1. As the EUV wave propa-
gates eastward, it encounters and interacts with the low-lying
ACLs, which are composed of two loops (L1 and L2). The
compression of EUV wave results in contraction, expansion,

and transverse vertical oscillations of ACLs. The start times
of contraction are sequential from the western to eastern foot-
points and the contraction lasts for ∼15 minutes. The speeds
of contraction lie in the range of 13−40 km s−1 in 171 Å and
8−54 km s−1 in 193 Å. A long, gradual expansion follows the
contraction at lower speeds. Concurrent vertical oscillations
are superposed on contraction and expansion of ACLs, which
has rarely been reported before. The oscillations last for 2−9
cycles and the amplitudes are ≤4 Mm. The periods are be-
tween 3 to 12 minutes with an average value of 6.7 minutes.
According to the loop length and periods, the average kink
speed (∼1094 km s−1) and internal Alfvén speed (∼811 km
s−1) of the ACLs are estimated.

In the future, in-depth investigations of the interaction be-
tween EUV waves and coronal loops are highly desirable, es-
pecially using high-resolution observations from the Extreme
Ultraviolet Imager (EUI; Rochus et al. 2020) on board Solar
Orbiter (SO; Müller et al. 2020). State-of-the-art MHD nu-
merical simulations are greatly expected to explain the loop
dynamics (Downs et al. 2021; Wang et al. 2021; Guo et al.
2023).
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2021YFA1600500 (2021YFA1600502) and Yunnan Key
Laboratory of Solar Physics and Space Science under the
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Abstract We here report a probable detection of a stellar coronal mass ejection (CME)

in active M dwarf KIC 8093473 by performing an analysis on its time resolved X-ray

spectra observed by XMM-Newton satellite. Compared to the value at quiescent state

and the interstellar one, our spectral modeling returns a marginal (and probably evolving)

excess of hydrogen column density in the flare state at a significance level of 1σ, which

can be understood by an additional absorption due to a flare-associate CME. The CME

mass is then estimated to be ∼ 7 × 1018 − 2 × 1020 g according to the ice cream cone

model.

Key words: stars: coronae — stars: flare — stars: late-type — X-rays: stars

1 INTRODUCTION

As an analogy with the Sun, a stellar coronal mass ejections (CME, e.g., Leitzinger & Odert 2022) be-

ing manifested by a large scale expulsion of the confined and magnetized plasma into the interplanetary

space (e.g., Kahler 1992; Tsuneta 1996; Kliem et al. 2000; Karlicky & Barta 2007; Li et al. 2016; Jiang

et al. 2021) is expected for solar-like and late-type main-sequence stars. The study of stellar CMEs is

essential for evaluating the habitability of an exoplanet, especially for nearby M dwarfs (Shields et al.

2016) that are associated with a habitable zone with a distance less than 0.1AU from the host stars.

Theoretically, the frequent stellar CMEs can tear off most of the atmosphere of an exoplanet (e.g.,

Khodachenko et al. 2007; Cerenkov et al. 2017), and compress the magnetosphere, which enables a

penetration of energetic particles into the planetary atmosphere. The subsequent atmospheric chemistry

simulations indicate an enhanced production of greenhouse gas nitrous oxide and HCN in the atmo-

sphere (e.g., Tian et al. 2011; Airapetian et al. 2016; Barnes et al. 2016).

However, due to a lack of enough spatial resolution, detection of a stellar CME is still a hard task

for the current instruments. We refer the readers to Moschou et al. (2019) and Osten & Wolk (2016)

for reviews on the methods of detection of stellar CMEs. Generally speaking, a handful of stellar CME

candidates have been reported previously according to either high velocity Balmer line wings or bluse-

hifted emission line in X-ray (e.g., Houdebine et al. 1990; Argiroffi et al. 2019; Koller et al. 2021; Wang

et al. 2021, 2022; Namekata et al. 2021; Wu et al. 2022; Lu et al. 2022). Other claims of detection of

stellar CME include an observed EUV/X-ray dimming (e.g., Ambruster et al. 1989; Chandra et al. 2016;

Veronig et al. 2021) and a pre-flare dip in an optical light curve (e.g., Giampapa et al. 1982; Leitzinger

et al. 2014), although the latter has been argued against since the dip could be also resulted from an

increase in H− opacity during a flare.

http://arxiv.org/abs/2305.08294v1
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Additionally, an increased column density revealed in X-ray spectrum, due to an absorption by an

expanding CME, can be used as an indirect CME signature. In fact, Franciosini et al. (2001) reported

that the column density NH during a flare is higher than the quiescent value by a factor 5 in a large

long-duration X-ray flare in RS CVn binary system UX Arietis. The temporal decay of the X-ray ab-

sorption during a superflare on the eclipsing binary Algol measured by Favata & Schmitt (1999) was

then explained as a signature of CME by Moschou et al. (2017).

In this paper, we report a probable flare-associated CME from a M dwarf, KIC 8093473, according

to its increased NH during a flare revealed by our time-resolved X-ray spectral analysis, thanks to the

coordinated observations taken by both Kepler and XMM-Newton. The paper is organized as follows.

Section 2 presents a description of the target. The time-resolved X-ray spectra are analyzed in Section

3. Section 4 shows the results and discussions.

2 KIC 8093473

Kuznetsov & Kolotkov (2021) recently matched the Kepler (Borucki et al. 2010) and XMM-Newton

(Jansen et al. 2001) simultaneous flare observations, which enables the authors to successfully identify

nine flares in three late type stars, they are KIC 8093473, KIC 8454353 and KIC 9048551. After exam-

ining the raw XMM-Newton data, we here focus only on KIC 8093473 simply because one of its X-ray

flare shows enough photon counts for subsequent modeling on time resolved X-ray spectra.

KIC 8093473 (=2MASS J19212847+4355456) is a low-mass (M⋆ = 0.274M⊙) flaring star with an

effective temperature of 3357+171
−87 K and a distance of 205.9+8.0

−7.5 pc taken from the Gaia Date Release

2 catalog (Gaia Collaboration et al. 2018). A total of 438 flares has been detected in the object from

the whole long-cadence data (Van Cleve & Caldwell (2009), Data Release 25, Q1-Q17, 48 months) of

the Kepler mission by a comprehensive study carried out by Yang & Liu (2019). The released energy

of the detected flares ranges from 1031.7−33.9 erg. Since it is above the main sequence (see Figure 1 in

Kuznetsov & Kolotkov 2021), Kuznetsov & Kolotkov (2021) argued that KIC 8093473 with a measured

spectral type of M3 (Pecaut & Mamajek 2013) is most likely a unresolved binary or a multiple system

consisting of M-dwarfs.

3 ANALYSIS AND RESULTS

We attempt to examine the probable CME feature of the object in this section by comparing the flaring

and quiescent X-ray spectral properties obtained from our X-ray spectral modeling. With this motiva-

tion, we at first need to reproduce the X-ray light curve not only in the flaring state, but also in the

quiescent state. In fact, the latter is quite important for extracting a quiescent spectrum with adequate

signal-to-noise ratio.

3.1 X-ray Light Curves

The object has been observed in three runs (i.e., Obs.ID=0302150101, 0302150201 and 0600040101)

from 2005 to 2009 by the XMM-Newton onboard EPIC cameras. However, the observation run of

Obs.ID=0302150201 is given up in the subsequent analysis simply because the source is heavily con-

taminated by the bad pixel column.

For each of the two remaining observational runs, the EPIC PN (Struder et al. 2001) data are reduced

by the SAS v19.1 software1 and by the corresponding calibration files. The events corresponding to

patterns 0–4 are selected from the PN data and the CCD chip gaps are avoided. The bad and hot pixels

are then removed from the original images. The light curve of the source is then extracted from a

circular aperture at the source position with a radius of 15′′. The background light curve is obtained

from a circular source-free region with a radius of 45′′, which is offset from, but close to, the source.

The SAS tasks epatplot and epiclccorr are used for pile-up effect checking and to produce background

removed light curves, respectively.

1 https://www.cosmos.esa.int/web/xmm-newton/
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0 5000

0

Fig. 1 XMM-Newton EPIC PN X-ray light curves in 0.2-12 keV energy band. The light

curves are extracted from two observation runs (Upper panel: Obs.ID=0302150101; Lower panel:

Obs.ID=0600040101) with a binning of 60 seconds. The red points mark the data used for producing

the flaring spectrum, and the blues ones the data for the corresponding quiescent spectrum.

3.2 Flaring and Quiescent X-ray Spectra

The flaring and quiescent spectra are extracted from the time intervals marked by the solid red and blue

points in Figure 1, respectively. A count rate enhancement at the beginning of the top light curve, which

is probably due to an activity, is excluded from the quiescent spectrum extraction. Also excluded is the

long tail of the flare in the lower light cure. We extract the source and background spectra by adopting

the same regions used in our light curve extraction. The pile-up effect can be safely excluded after a

check by using the SAS tasks epatplot . The response files needed for subsequent spectral modeling are

generated by the task rmfgen and arfgen. With the response files, both flaring and quiescent spectra are

grouped by grppha in HEASOFT version 6.29. The resulted spectra are shown in the upper and lower

panels in Figure 2 for the flaring and quiescent states, respectively.

3.3 Spectral Modeling

The aim of this study is to examine the signature of flare-associated stellar CME by comparing the

flaring and quiescent X-ray spectra. The spectra extracted above are then modeled here by XSPEC

(v12.11, Arnaud 1996) over the 0.2–10 keV range in terms of the C-statistic (Cash 1979; Humphrey et

al. 2009; Kaastra 2017).

Specifically, we reproduce the flaring spectrum by a linear combination of three optically-thin ther-

mal plasma with different temperatures, i.e., the MEKAL model emissivities (Mewe et al. 1995). After

taking into account the effect due to an interstellar (or intrinsic) absorption, the model can be expressed



4 Wang

0.0001

0.001

0.01

0.1

Model = wabs*(mekal1+mekal2+meka3)

-0.1

0

0.1

0.0001

0.001

0.01

0.1

Model = wabs*(mekal1+mekal2)

1 10

-0.05

0

0.05

Fig. 2 upper panel: Flaring X-ray spectra of KIC 8093473 and the best-fit spectral models expressed as

wabs ∗ (mekal + mekal + mekal). The subpanel underneath the spectrum shows the deviations, in

units of counts s−1 keV−1, of the observed data from the best-fit model. Lower panel: the same as the

upper one, but for the quiescent state. The best-fit model is wabs ∗ (mekal +mekal).

as wabs ∗ (mekal + mekal + mekal). Although the metal abundance determined from photometry

is [Fe/H] = +0.04dex, the metal abundance of all the three used MEKAL components is fixed to be

0.3Z⊙ in our spectral fitting since the inadequate count rates. Most active stars, in fact, are found to

have subsolar coronal metal abundance that is lower than the photospheric value (e.g., Gudel et al.

1999; 2001; Maggio et al. 2000). The interstellar column density NH is set as a free parameter in the

fitting. The quiescent spectrum is fitted by a similar model except for a linear combination of only two

MEKAL components.

The best fits and their parameters are shown in Figure 2 and listed in Table 1. In the table, all of the

quoted uncertainties correspond to a 1σ significance level.
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Table 1 XMM-Newton EPIC PN X-ray spectra fit parameters for the flaring and quiescent states of

KIC 8093473.
Parameter Value Units Description

(1) (2) (3) (4)

Flare

NH 1.3+1.0
−0.8

1020cm−2 Interstellar column density

kT1 0.35± 0.09 keV Plasma temperature

kT2 0.90± 0.15 keV Plasma temperature

kT3 3.11± 0.50 keV Plasma temperature

Cash statistics 64.16/54 = 1.178
Flare+tail

NH 0.9+0.7
−0.7

10
20
cm

−2 Interstellar column density

kT1 0.35± 0.06 keV Plasma temperature

kT2 0.94± 0.16 keV Plasma temperature

kT3 2.47± 0.40 keV Plasma temperature

Cash statistics 114.16/118 = 0.967
Quiescent

NH < 0.7 1020cm−2 Interstellar column density

kT1 0.72± 0.06 keV Plasma temperature

kT2 2.11± 0.60 keV Plasma temperature

Cash statistics 82.39/64 = 1.287

Compared to the quiescent spectrum, the temperature of the hot plasma at the flaring state increases

from kT ≈ 2keV to ≈ 3 keV. Moreover, an additional warm plasma with kT ≈ 0.3 keV is required to

reproduce the observed flaring spectrum. One the one hand, our fitting, in fact, returns a value of NH

close to zero in the quiescent spectrum. Adopting an interstellar hydrogen volume density of 0.07cm−3

(Paresce 1984) yields a NH = 0.4× 1020cm−2 according to the distance of the star measured by Gaia

mission. This NH value is consistent with the upper limit given by the modeling, which suggests an

ignorable column density excess at the quiescent state. One the other hand, the NH obtained in the

flaring state is clearly higher than the interstellar value estimated above at a 1σ significance level, and

marginally higher than the modeled upper limit of NH at the quiescent state. A possible explanation of

this excess is an additional obscuration due to the material expelled during the flare, which suggests a

flare-associated CME occurred in the star.

4 CONCLUSION AND DISCUSSION

We perform a spectral analysis on the time resolved X-ray spectra of active M dwarf KIC 8093473 ob-

served by XMM-Newton during 2005-2009. Comparison between the flare and quiescent X-ray spectra

enables us to identify a marginal interstellar column density NH excess in the flaring state. A flare-

associated CME is a possible explanation of this excess (e.g., Franciosini et al. 2001; Moschou et al.

2017).

As an additional test, a spectral analysis is performed on the flaring+tail X-ray spectrum that is

extracted from the time interval including both red and black points shown in the lower panel of Figure

1. The model used in the fitting is the same as that used for the flaring spectrum. The best fit parameters

are listed in Table 1 as well. One can see from the table that the inclusion of the tail results in a lower

average NH, which implies a decrease of NH with time. In fact, a decay evolution of NH ∝ t−2 has

been revealed in the CME occurred in the eclipsing binary Algol by Moschou et al. (2017).

We estimate the CME velocity VCME in terms of the empirical relationship that is established by

Salas-Matamoros & Klein (2015, see also in Moon et al. 2002; Yashiro & Gopalswamy 2009) for solar

CMEs:

log

(

VCME

km s−1

)

= (0.20± 0.08) log

(

Fp

W m−2

)

+ (3.83± 0.38) (1)

where Fp is the peak soft X-ray flux. By assuming an observation at 1AU from the star, the measured

equivalent peak soft X-ray flux is reported to be Fp = 1.47 W m−2 by Kuznetsov & Kolotkov (2021).
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With this value, Eq.(1) yields a VCME = (7.3 ± 0.9) × 103 km s−1, which is much larger than the

velocities of 102−3 km s−1 observed in solar CMEs (e.g., Yashiro et al. 2004).

We estimate the mass of CME from the measured NH in the context of the ice cream cone model

(Fisher & Munro 1984) by following Moschou et al. (2017):

MCME =
Vcone + Vhemi

b′ − b
NHµ (2)

where µ = 1.36mp is the mass per proton for gas with solar abundance, mp is the rest mass of a proton.

Vcone and Vhemi are the volumes of two shells, a hemispherical and a truncated conical one (see Figure

1 and Equations 1. and 2 in Moschou et al. 2017 for the details). b
′

and b are the outer and inner radii of

the ice cream part, which can be determined from the half opening angle ω and the angular width of the

shell φ.

The model depends on the height of the cone from the stellar center, i.e., d = (S+R⋆)/(1+tan(ω+
φ)), where R⋆ is the radius of the star and S is the plasma travel distance from the stellar surface. The

height increases with time as the material is ejected from the stellar surface. Zic et al. (2015) indicates

that in the acceleration phase the dynamical length scale of solar CMEs have S ∼ 15R⊙. By taking S =
15R⋆ and assuming ω = 35◦ and φ = 10◦, the CME mass could be estimated to be (2.1±1.9)×1020 g,

after excluding the estimated interstellar hydrogen column density of NH = 0.4 × 1020 cm−2. The

estimated CME mass is close to the high end of the mass range of a stellar CME compiled by Moschou

et al. (2019). The estimated MCME is strongly sensitive to the adopted CME length scale. A much lower

mass of MCME = (7.3 ± 6.5) × 1018g can be obtained if a length scale of 2R⋆ of a typical magnetic

loop is used.

Given the estimated CME mass, Figure 3 shows the location of KIC 8093473 on the bolometric

energy Ebol versus CME mass plot. In addition to quote the other stellar and solar events from litera-

ture directly, we obtain the value of Ebol = (1.4 ± 0.2) × 1036 ergs of KIC 8093473 from its X-ray

flaring energy (EX = 1.35+0.23
−0.20 × 1034 erg) reported in Kuznetsov & Kolotkov (2021) by assuming a

bolometric correction of EX/Ebol = 0.01 that is typical of the Sun (e.g., Kretzschmar 2011; Emslie et

al. 2012). Similar as the other M-dwarfs reported in Wang et al. (2021) and Wang et al. (2022), one can

see from the figure that KIC 8093473 likely deviates from the best fit of the solar data by an enhanced

CME mass.

We argue against a deficient CME kinetic energy in KIC 8093473 by naively estimating the kinetic

energy of CME along the line-of-sight (LoS) axis by Ek ≥ 1/2MCMEυ
2, where υ is the mean measured

LoS velocity. Combining the CME velocity estimated from Eq. (1) and the CME mass yields Ek ≈

2 × 1036 − 5 × 1037 erg. This value is not smaller than the bolometric energy, and is comparable with

the one of Ek ≈ (4.4± 2.8)× 1036 erg predicted from the solar relationship logEk = (0.81± 0.85)+
(1.05 ± 0.03) logEX (Drake et al. 2003). The lack of a deficient CME kinetic energy there implies a

mute of the drag force done by a strong overlying magnetic field (e.g., Vrsnak et al. 2004; Zic et al.

2015).

Acknowledgements The authors would like to thank the anonymous referees for his/her careful re-

view and helpful comments. The authors are grateful for support from the National Key Research

and Development Project of China (grant 2020YFE0202100). This study is supported by the National

Natural Science Foundation of China (Grants No. 12173009), and by the Strategic Pioneer Program on

Space Science, Chinese Academy of Sciences, grants XDA15052600 and XDA15016500. The author

is supported by the Natural Science Foundation of Guangxi (2020GXNSFDA238018) and by the Bagui

Young Scholars Program.

References

Airapetian, V. S., Glocer, A., Gronoff, G., Hebrard, E., & Danchi, W. 2016, Nature Geoscience, 9, 452

Ambruster, C. W., Pettersen, B. R., & Sundland, S. R. 1989, A&A, 208, 198

Argiroffi, C., Reale, F., Drake, J. J., et al. 2019, Nature Astronomy, 3, 742



Possible CME on A M-dwarf 7

GWAC M-dwarf flares

Other stars

Sun

KIC 8093473

Fig. 3 CME mass estimated through different ways plotted against flaring bolometric energy.

KIC 8093473 is marked by the two red open stars connected by a dashed line. The two points corre-

spond the CME masses estimated by different CME dynamical length scales (see the main text for the

details). The four M-dwarf flares studied in Wang et al. (2021) and Wang et al. (2022) are denoted

by the magenta open squares. The stellar CME candidates complied in Moschou et al. (2019) and one

studied in Argiroffi et al. (2019) are shown by the solid blue points. The solar flare-CME events studied

in Yashiro & Gopalswamy (2009) are denoted by the cyan circles. The best fit to these solar events

obtained in Drake et al. (2013) is presented by the dashed line.

Arnaud, K. A. 1996, ASPC, 101, 17

Barnes, R. Deitrick, R., Luger, R., et al. 2016, astro-ph/arXiv160806919

Borucki, W. J., Koch, D., Basri, G., et al. 2010, Sci., 327, 977

Cash, W. 1979, ApJ, 228, 939

Chandra, R., Chen, P. F., Fulara, A., Srivastava, A. K., & Uddin, W. 2016, ApJ, 822, 106

Cherenkov, A., Bisikalo, D., Fossati, L., & Mostl, C. 2017, ApJ, 846, 31



8 Wang

Drake, J. J., Cohen, O., Yashiro, S., & Gopalswamy, N. 2013, ApJ, 764, 170

Emslie, A. G., Dennis, B. R., Shih, A. Y., et al. 2012, ApJ, 759, 71

Favata, F., & Schmitt, J. H. M. M. 1999, A&A, 350, 900

Fisher, R. R., & Munro, R. H. 1984, ApJ, 280, 428

Franciosini, E., Pallavicini, R., & Tagliaferri, G. 2001, A&A, 375, 196

Gaia Collaboration, Brown, A. G. A., Vallenari, A., et al. 2018b, A&A, 616, 10

Giampapa, M. S., Africano, J. L., Klimke, A., Parks, J., Quigley, R. J., Robinson, R. D., & Worden, S.

P. 1982, ApJ, 252, 39

Gudel, M., Audard, M., Briggs, K., et al. A&A, 2001, 365, L336

Gudel, M., Linsky, J. L., Brown, A., & Nagase, F. 1999, ApJ, 511, 405

Houdebine, E. R., Foing, B. H., & Rodono, M. 1990, A&A, 238, 249

Humphrey, P. J., Liu, W. H., & Buote, D. A. 2009, ApJ, 693, 822

Jansen, F., Lumb, D., Altieri, B., et al. 2001, A&A, 365, L1

Jiang, C. Feng, X., Liu, R., et al. 2021, NatAs, 5, 1126

Kaastra, J. S. 2017, A&A, 605, 51

Kahler, S. W. 1992, ARA&A, 30, 113

Karlicky, M., & Barta, M. 2007, A&A, 464, 735

Khodachenko, M. L., Ribas, I., Lammer, H., et al. 2007, AsBio, 7, 167

Kliem, B., Karlicky, M., & Benz, A. O. 2000, A&A, 360,715

Koller, F., Leitzinger, M., Temmer, M., Odert, P., Beck, P. G., & Veronig, A. 2021, A&A, 646, 34

Kretzschmar, M. 2011, A&A, 530, 84

Kuznetsov, A. A., & Kolotkov, D. Y. 2021, ApJ, 912, 81

Leitzinger, M., & Odert, P. 2022, SerAJ, 205, 1

Leitzinger, M., Odert, P., Greimei, R., Korhonen, H., Guenther, E. W., Hanslmeier, A., Lammer, H., &

Khodachenko, M. L. 2014, MNRAS, 443, L898

Li, Y., Ding, M. D., Hong, J., Li, H., & Gan, W. Q. 2019, ApJ, 879, 30

Lu, Hong-peng, Tian, Hui, Zhang, Li-yun et al. 2022, A&A, 663, 140

Maggio, A., Pallavicini, R., Reale, F., & Tagliaferri, G. 2000, A&A, 356, 627

Mewe, R., Kaastra, J. S., Schrijver, C. J., van den Oord, G. H. J., & Alkemade, F. J. M. 1995, A&A,

296, 477

Moon, Y. -J., Choe, G. S., Wang, H., Park, Y. D., Gopalswamy, N., Yang, G., & Yashiro, S. 2002, ApJ,

581, 694

Moschou, S., Drake, J. J., Cohen, O., Alvarado-Gomez, J. D., & Garraffo, C. 2017, ApJ, 850, 191

Moschou, S., Drake, J. J., Cohen, O., Alvarado-Gomez, J. D., Garraffo, C., & Fraschetti, F. 2019, ApJ,

877, 105

Namekata, K., Maehara, H., Honda, S., et al. 2021, Nature Astronomy accepted

Paresce, F. 1984, AJ, 89, 1022

Pecaut, M. J., & Mamajek, E. E. 2013. ApJS, 208, 9

Salas-Matamoros, C., & Klein, K. -L. Sol. Phys., 290, 1337

Shields, A. L., Ballard, S., & Johnson, J. A. 2016, PhR, 663, 1

Struder, L., Briel, U., Dennerl, K., et al. 2001, A&A, 365, 18

Tian, F., Kasting, J. F., & Zahnle, K. 2011, E&PSL, 308, 417

Tsuneta, S. 1996, ApJ, 456, 840

Veronig, A. M., Odert, P., Leitzinger, M., Dissauer, K., Fleck, N. C., & Hudson, H. S. Nature Astronomy,

5, 697

Vrsnak, B., Temmer, M., Zic, T., et al. 2014, ApJS, 213, 21

Wang, J., Xin, L. P., Li, H. L., et al. 2021, ApJ, 916, 92

Wang, J., Li, H. L., Xin, L. P., et al, 2022, ApJ, 934, 98

Wu, Y., Chen, H., Tian, H., et al. 2022, arXiv:astro-ph/2203.02292

Yashiro, S., & Gopalswamy, N. 2009, IAUS, 257, 233

Yashiro, S., Gopalswamy, N., Michalek, G., St. Cyr, O. C., Plunkett, S. P., Rich, N. B., & Howard, R.

A. 2004, JGRA, 109, 7105



Possible CME on A M-dwarf 9

Zic, T., Vrsnak, B., & Temmer, M. 2015, ApJS, 218, 32



ar
X

iv
:2

30
5.

08
28

8v
1 

 [
as

tr
o-

ph
.S

R
] 

 1
5 

M
ay

 2
02

3

1

Double outbursts in V544 Her and ASASSN-19yt

Taichi Kato1

1 Department of Astronomy, Kyoto University, Sakyo-ku, Kyoto 606-8502, Japan
tkato@kusastro.kyoto-u.ac.jp

Abstract

In Kato et al. (2019, arXiv:1909.00910), I reported on a double outburst and rebrightenings in 2018 in
V544 Her. Such a phenomenon is usually observed in WZ Sge stars which evolved after the period bounce
and the colors of V544 Her in quiescence apparently exclude this possibility. Although this phenomenon was
considered to be rare, I detected almost exactly the same one in 2021 using ZTF, ATLAS and ASAS-SN public
data. I also detected a phenomenon very similar to this in ASASSN-19yt in 2022. The same object showed a
different type of outburst in 2019 whose morphology looked like that of an SS Cyg star. If ASASSN-19yt is
an SU UMa star, the morphology of the 2019 outburst would challenge our knowledge in SU UMa stars. If
this object, or V544 Her, is an SS Cyg star, what causes a double outburst and rebrightenings would become
an unsolved problem in dwarf novae.

Kato et al. (2019) reported a superoutburst of the SU UMa star CS Ind, which showed a long precursor
outburst. The overall behavior looked like a “double outburst”, which is sometimes seen in WZ Sge stars (see
e.g., Kato 2015) evolved after the period bounce (Kato et al. 2013; Neustroev et al. 2017; Kimura et al. 2018).

In Kato et al. (2019), V544 Her was introduced as a dwarf nova with a double outburst and the similarity
with CS Ind was discussed. Kato et al. (2019) suggested that this would be a rare phenomenon based on the
absence of a similar outburst in the past data. Using Zwicky Transient Facility (ZTF: Masci et al. 2019)1 and
Asteroid Terrestrial-impact Last Alert System (ATLAS: Tonry et al. 2018) forced photometry (Shingles et al.
2021) observations, I noticed that V544 Her showed a double outburst again in 2021, contrary to the expectation
in Kato et al. (2019). The overall light curve of the past eight seasons using the ZTF, ATLAS and All-Sky
Automated Survey for Supernovae (ASAS-SN, Shappee et al. 2014) data is shown in figures 1 and 2. Only
positive detections are shown and all other ASAS-SN observations were upper limits. There are several solitary
ASAS-SN detections (such as the recent BJD 2460074 one), but they were likely noises.

The double outbursts in 2018 and 2021 are shown in detail in figures 3 and 4, respectively. They were
very similar: first long outburst, dip, second long outburst and two short rebrightenings. These outbursts very
much resemble the double outburst recorded in the SU UMa star CS Ind, as already reported. The red color of
V544 Her [an orbital period over 0.2 d was inferred from SDSS colors (Kato et al. 2012); BP=19.59, RP=18.27
(Gaia Collaboration et al. 2022)] in quiescence, however, appears to be inconsistent with an SU UMa star with
a short orbital period. All ZTF and ATLAS observations were snapshtot data and it was not possible to make
a period analysis to detect possible superhumps. It looks like, however, that no large-amplitude (such as 0.2–
0.3 mag) superhumps were present. Although the 2021 outburst was also detected by VSOLJ and VSNET (Kato
et al. 2004) members, the detections were late during the initial long outburst and no special attention was paid
since the object already appeared to be fading and since the season was too late to make long time-resolved
photometry.

The first outburst in 2016 in figure 1 might have been a complex one, although the limited quality of the
ASAS-SN data and still limited coverage by ATLAS made it impossible to examine it in detail. If double outbursts
in this system occur relatively frequently (such as once in three years), we may have a more frequent chance to
determine the nature of a double outburst in this system than previously thought. There have recently been
an increasing number of discoveries of SU UMa stars with long orbital periods [e.g., SDSS J094002.56+274942.0
(Kato and Vanmunster 2023); ASASSN-15cm (Kato 2023b) and BO Cet (Kato et al. 2021; Kato 2023a)] and
V544 Her may join this group. It would be, however, worth noting that some outbursts in dwarf novae have
yet unexplained dips, such as in MASTER OT J055845.55+391533.4 (Kato et al. 2023) and the phenomenon in
V544 Her may not be related to SU UMa-type one.

I also noticed that ASASSN-19yt showed a double outburst and rebrightenings in 2022 very similar to
V544 Her (figure 5). The same object showed a (relatively) long outburst in 2019 (figure 6). This outburst rose
slowly and the overall symmetric shape resembled that of an SS Cyg star, although the maximum fading rate
was larger than in SS Cyg stars. Tonny Vanmunster obtained a single-night run and did not detect superhumps.

1The ZTF data can be obtained from IRSA <https://irsa.ipac.caltech.edu/Missions/ztf.html> using the inter-
face <https://irsa.ipac.caltech.edu/docs/program_interface/ztf_api.html> or using a wrapper of the above IRSA API
<https://github.com/MickaelRigault/ztfquery>.

http://arxiv.org/abs/2305.08288v1
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Figure 1: Light curve of V544 Her in 2016–2020. ASN refers to ASAS-SN observations. Only positive detections
are shown and all other ASAS-SN observations were upper limits.
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Figure 2: Light curve of V544 Her in 2020–2023. The symbols are the same as in figure 1.
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Figure 3: Double outburst and rebrightenings in V544 Her in 2018. The symbols are the same as in figure 1.
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Figure 4: Double outburst and rebrightenings in V544 Her in 2021. The symbols are the same as in figure 1.
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Figure 5: Double outburst and rebrightenings in ASASSN-19yt in 2022. This outburst occurred near the end of
the season and ZTF did not cover the quiescence before this outburst. There were no observations after BJD
2459700. The symbols are the same as in figure 1.

If this object is indeed an SU UMa star, the morphology of the 2019 outburst would challenge our knowledge in
SU UMa stars, and, inversely, if this object is an SS Cyg star, what causes a double outburst and rebrightenings
would become an unsolved problem in dwarf novae. Please also remember that there was also an unusual case of
a long outburst and rebrihgtenings in PY Per (Kato 2022), whose nature has not yet been clarified.
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ABSTRACT
The traditional paradigm of viscosity-dominated evolution of protoplanetary discs has been
recently challenged by magnetized disc winds. However, distinguishing wind-driven and
turbulence-driven accretion through observations has been difficult. In this study, we present
a novel approach to identifying their separate contribution to angular momentum transport by
studying the gap and ring morphology of planet-forming discs in the ALMA continuum. We
model the gap-opening process of planets in discs with both viscous evolution and wind-driven
accretion by 2D multi-fluid hydrodynamical simulations. Our results show that gap-opening
planets in wind-driven accreting discs generate characteristic substructures that differ from
those in purely viscous discs. Specifically, we demonstrate that discs, where wind-driven ac-
cretion dominates the production of substructures, exhibit significant asymmetries. Based on
the diverse outputs of mock images in the ALMA continuum, we roughly divide the planet-
induced features into four regimes (moderate-viscosity dominated, moderate-wind dominated,
strong-viscosity dominated, inviscid). The classification of these regimes sets up a potential
method to constrain the strength of magnetized disc wind and viscosity based on the observed
gap and ring morphology. We discuss the asymmetry feature in our mock images and its
potential manifestation in ALMA observations.

Key words: planet-disc interactions – protoplanetary discs – planets and satellites: formation

1 INTRODUCTION

The Atacama Large Millimeter/submillimeter Array (ALMA) has
discovered a rich catalogue of diverse features in mm/sub-mm ob-
servation of protoplanetary discs (PPDs), including cavities, gaps,
rings and vortices (e.g., ALMA Partnership et al. 2015; Long et al.
2018; Andrews et al. 2018; Huang et al. 2018; Lodato et al. 2019;
Long et al. 2019; Andrews 2020).

Among those substructures, the most ubiquitous features are
the bright rings and dark gaps, a classical interpretation for which

★ These authors contributed equally to this work.

is the perturbation of gas and dust profiles by an embedded planet
(e.g., Paardekooper et al. 2022). Due to excitation and dissipation of
density waves launched at resonances, planets carve out deficits in
the surrounding gas density profiles (Goldreich & Tremaine 1980;
Lin & Papaloizou 1986, 1993). In turn, a pressure bump forms at
the outer edge of the gas gap, which efficiently traps in-drifting
dust particles that have limited coupling to gas (Paardekooper &
Mellema 2006; Zhu et al. 2011), leading to bright dust rings. With
suitable parameters for disc viscosity, thickness as well as planet
mass, one can reproduce a variety of dust emission features similar
to what’s discovered in the sub-mm ALMA catalogue (Rosotti et al.
2016; Zhang et al. 2018).

© 2023 The Authors
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While the turbulent viscosity parameter 𝛼v (Shakura & Sun-
yaev 1973), acting to maintain disc profile and prevent gap opening,
have been inferred to be low in planet-forming regions of PPDs
(Flaherty et al. 2017; Lodato et al. 2017; Dullemond et al. 2018;
Rosotti et al. 2020; Doi & Kataoka 2021), corroborating non-ideal
magnetohydrodynamics (MHD) simulations (Bai & Stone 2013),
recent theoretical works have proposed that magnetized-driven disc
winds might transport the angular momentum of gas at a faster rate
than disc turbulence, dominating the PPD accretion (Armitage et al.
2013; Suzuki et al. 2016; Hasegawa et al. 2017; Lesur 2021; Cui &
Bai 2021, 2022).

However, constraining the disc wind level from the observa-
tional side is challenging. A few pioneer works have tried to dis-
tinguish the dominant accretion mechanism by studying the pro-
toplanetary disc size evolution from a population view (Trapman
et al. 2020; Long et al. 2022a; Trapman et al. 2022; Zagaria et al.
2022; Toci et al. 2023), while the results remain unconcluded. On
the other hand, current observation results can indeed constrain the
upper limit of the disc turbulence coefficient to be as low as 10−4

to 10−3 (Flaherty et al. 2017, 2020; Miotello et al. 2022; Rosotti
2023). If protoplanetary disks are indeed nearly inviscid (e.g., Vil-
lenave et al. 2020), this serves as strong evidence for a mechanism
other than the gas viscosity to explain how discs accrete and evolve,
with MHD winds currently being a promising alternative (Lesur
2021). Wind-dominated accretion could reconcile the low turbulent
velocities with a moderate accretion rate onto the host star.

Under this context, Elbakyan et al. (2022) applied the torque
formula for disc wind with an accretion parameter 𝛼dw, introduced
by Tabone et al. (2022b), and investigated its effect on planet gap
formation, focusing on parametrizing the magnitude of gap opening
with the gas/dust density contrast between the gap centre and gap
edge. They concluded that it is generally harder for MHD winds
to close up a planetary gap than viscosity, requiring 𝛼dw to be
much larger than 𝛼v to maintain the same level of density depletion
in the planetary gap. This implies for moderate values of 𝛼dw,
we can expect co-existence of low-𝛼v controlled dust observational
structure with high-𝛼dw controlled accretion rate. When 𝛼dw � 𝛼v,
disc wind may dominate both gap opening and accretion rates.

The majority of simulations from Elbakyan et al. (2022) are in
1D and serve the purpose of exploration of parameter space, sup-
plemented by 2D two-fluid simulations for cross-validation, which
contains gas and one dust species with a fixed Stokes number. In this
work, we perform more realistic multi-fluid simulations with a phys-
ical dust size distribution, and post-process hydrodynamic simula-
tion results to produce synthetic observations at ALMA wavelength
and resolution. We focus on the full 2D shapes of dust brightness
maps instead of only a hydrodynamic density contrast, and iden-
tify several characteristic features which demonstrate the intrinsic
differences in two kinds of accretion mechanisms.

The paper is organized as follows: In §2, we introduce the nu-
merical setup for our hydrodynamic simulations and constructing
synthetic images. In §3 we describe the disc morphology in char-
acteristic regimes of the 𝛼v − 𝛼dw parameter space. We summarise
our findings and discuss the implications of our results in §4.

2 NUMERICAL SETUP

2.1 Equations Solved

In this work, we consider a 2D (𝑅, 𝜑), locally isothermal proto-
planetary disc composed of gas and dust with an embedded planet.

Disc self-gravity, realistic magnetic fields, planet orbital migration
and accretion are not included in our simulations. The disc model
is described by the Navier-Stokes equations in the cylindrical polar
coordinate, in a frame of reference centred on the central star:
𝜕Σg
𝜕𝑡

+ ∇ ·
(
ΣgV

)
= 0 , (1)

𝜕V
𝜕𝑡

+ (V · ∇) V = −∇Φ − ∇𝑃
Σg

−

∑
𝑖
Σd,i𝑭𝑖

Σg
− ∇ · 𝜏 + 𝑺 , (2)

𝜕Σd,i
𝜕𝑡

+ ∇ ·
(
Σg𝑾𝑖 + 𝒋𝒊

)
= 0 , (3)

𝜕𝑾𝑖

𝜕𝑡
+ (𝑾𝑖 · ∇)𝑾𝑖 = −∇Φ + 𝑭𝑖 , (4)

where Φ is the gravitational potential from the star and the planet,
Σg, V and 𝑃 are the surface density, velocity and pressure of the gas,
respectively. Σd,i is the surface density for the 𝑖-th dust species, 𝑾𝑖

is dust velocity, 𝑭𝑖 is the drag force from gas acting on the dust of
unit mass. 𝑺 is the source term from wind accretion (parametrisation
see below).

The viscous stress tensor 𝜏 is given by

𝜏 ≡ Σga

[
∇𝑽 + (∇𝑽)𝑇 − 2

3
(∇ · 𝑽) I

]
, (5)

where I is the identity matrix, and the kinematic viscosity a is
specifically expressed as a function of a dimensionless constant 𝛼v
(Shakura & Sunyaev 1973):

a = 𝛼v𝑐𝑠𝐻, (6)

where 𝑐𝑠 is the sound speed, 𝐻 := ℎ𝑅 is the scale height, with 𝑅

being the radial distance and ℎ is the disc aspect ratio.
Dust is treated as multiple pressure-less fluids. The drag force

per mass for each species, 𝑭𝑖 , is given by

𝑭𝑖 =
ΩK
St𝑖

(𝑾𝑖 − V) , (7)

where ΩK is the Keplerian frequency, and the Stokes number (Ep-
stein regime) for each species (Birnstiel et al. 2010) proportional to
the dust size is given by

St𝑖 =
𝜋

2
𝑠𝑖𝜌d
Σg

, (8)

where 𝑠𝑖 is grains size for different dust and 𝜌d is the internal dust
density.

For each species of dust 𝑖, our simulations also include dust
diffusion flux 𝒋𝑖 :

𝒋𝑖 = −𝐷𝑑,𝑖
(
Σg + Σd,i

)
∇
(

Σd,i
Σg + Σd,i

)
. (9)

Where 𝐷𝑑,𝑖 is the dust diffusion coefficient (Youdin & Lith-
wick 2007):

𝐷𝑑,𝑖 = a
1 + 4 St2

𝑖

(1 + St2
𝑖
)2
, (10)

see Weber et al. (2019) for details on numerical implementa-
tion.

To model the interplay between MHD wind and viscosity in
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Viscous Windy

Figure 1. An edge-on-view sketch illustrating the different components of pebble transport around a gap in a planet-forming disc in the disc midplane region.
Pebble drift (shown in red), which results from the gas headwind and tailwind, leads to the formation of a gap in the disc. In viscous discs, pebble diffusion
(shown in blackpink) tends to fill the gap from both sides. In MHD windy discs, the wind-driven pebble flux, associated with the gas flux driven by wind torque
(shown in green), is always directed toward the host star.

our 2D hydrodynamic simulation, we modified the public code
FARGO3D (Benítez-Llambay & Masset 2016) in its multi-fluid
version (Benítez-Llambay et al. 2019), see Elbakyan et al. (2022).
To summarise, we regard MHD disc winds as a specific torque Γ

acting to decrease the gas rotational angular momentum:

Γ =
1
2

√︂
𝐺𝑀∗
𝑅

𝑉dw , (11)

where 𝑀∗ = 1 𝑀� is the unit mass of the host star, and 𝑉dw is
the characteristic radial infall velocity of gas due to disc winds
corresponding to this torque from Tabone et al. (2022b):

𝑉dw = −3
2
𝛼dwℎ

2𝑉K , (12)

𝛼dw is a dimensionless parameter related to the strength of the wind,
defined similarly as the 𝛼v turbulent viscosity parameter, and 𝑉K is
the Keplerian velocity at 𝑅. It follows that the source term in Eqn.
2 would be

𝑺 = Γ
�̂�

𝑅
, (13)

where �̂� is the unit vector for radial direction. Previous works used
similar torque formulae to mimic wind-driven disc accretion in
2D hydrodynamic simulation, for example, Kimmig et al. (2020)
defined the inward velocity with a parameter 𝑏, roughly equivalent
to 𝜋𝛼dwℎ

2 in our setup. There is no diffusion associated with the
disc wind.

2.2 Disc Parameters

The computational domain of our simulation ranges from 0.3 𝑅0
to 5.0 𝑅0, where 𝑅0 the code unit length. Although the hydrody-
namic simulation is scale-free, we set 𝑅0 = 20 au for the purpose of
synthetic map calculation, similar to Zhang et al. (2018). The sim-
ulation domain is resolved by 512 cells in the radial direction and
656 cells in the azimuthal direction. We apply the wave-damping
boundary conditions as in the 2D simulations of Elbakyan et al.
(2022).

The initial gas surface density profile is given by

Σg (𝑅) = Σ0 (𝑅/𝑅0)−1 , (14)

where Σ0 = 2 × 10−4𝑀∗/𝑅2
0 in code units or 4.4g/cm2 in physical

units. For our local isothermal temperature profile, the aspect ratio
is given by

ℎ(𝑅) = 𝑐𝑠/𝑉K = 𝐻/𝑅 = ℎ0 (𝑅/𝑅0)0.25, (15)

where we adopt ℎ0 = 0.05 at 𝑅0, corresponding to 𝑇 = 30 K at
20 au for molecular hydrogen gas in physical units.

We put 5 dust fluids with size 𝑠 spaced logarithmically uni-
formly between 30 `m and 3 mm. We choose an initial size dis-
tribution as 𝑠−3.5 (Mathis et al. 1977), an initial total dust-to-gas
mass ratio 𝜖 = 1% and the internal grain density 𝜌d = 1.3 𝑔/𝑐𝑚3.
This gives us the Stokes number St ∼ 0.03 of mm-size dust for
characteristic background density Σ0.

For a direct comparison, we illustrate the mass flux of pebbles
transported by different processes in Fig. 1. In both MHD windy
discs and viscous discs, the planet tends to push the gas away from
its vicinity (Lin & Papaloizou 1993). The local pressure minimum
at the gas gap, therefore, drives the dust to drift away from the planet
by gas drag (the second term of the equation below, Nakagawa et al.
1986),

𝑊r =
1

1 + St2
𝑉r +

1
St + St−1

𝑐2
𝑠

Ω𝐾 𝑟

𝜕 log 𝑃

𝜕 log 𝑟
, (16)

opening a dust gap as well (the red arrows in Fig. 1). In the
viscous discs, the turbulent diffusion of dust, whose net mass flux
is along with the gas density gradient, aims to refill the gap (the
purple arrows in Fig. 1). However, in the MHD windy disc, wind
only removes angular momentum thus gas velocity induced is al-
ways inward. In other words, the wind torque effect (Eqn. 11) is
equivalent to an additional gas radial velocity (Eqn. 12), being al-
ways towards the host star. This gas radial velocity induced by wind
can be comparable to or even larger than the gas viscous velocity
depending on the value of 𝛼dw, which directly influences the dust
radial drift velocity (the first term of Eqn.16), blowing the pebble
drift across the gap.

In this work, we perform extensive simulations to explore the
𝛼dw and 𝛼v parameter space, while fixing the planet mass ratio
𝑞 = 3 × 10−4 (Saturn mass corresponding to a solar-mass host star)
to isolate the effects of viscosity and wind on dust signatures. We
choose this mass because it’s massive enough to produce ALMA-
like dusty gap signatures over a wide range of accretion parameters,
and meanwhile consistent with the non-detection of super-Jupiter
planets in ALMA sources by direct imaging campaigns (Jorquera
et al. 2021; Huélamo et al. 2022; Follette et al. 2022). See Fig. 2 for
all our choices of accretion parameters. Certain reference simula-
tions have only the wind or the viscosity parameter. Our simulations
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were run for 1000 orbital periods at 𝑅0 ( corresponding to ∼ 0.1
Myr for physical units), which is comparable to the typical disc ages
of the DSHARP sources (Zhang et al. 2018). All of the synthetic
maps shown in this work refer to the configuration derived at this
time.

2.3 Radiative transfer

To generate synthetic maps for the dust continuum emission at
sub-millimetre wavelength observable with ALMA, hydrodynamic
results from FARGO3D multi-fluid simulations are post-processed
with the ray-tracing algorithm in public code RADMC-3D (Dulle-
mond et al. 2012). To extrapolate the 2D dust density map into 3D,
we assume that all dust densities follow a Gaussian distribution in
the vertical direction

𝜌d (𝑅, 𝑧) = Σ(𝑅) exp(−𝑧2/2𝐻2
d ))/

√
2𝜋. (17)

Usually in the post-processing of images, one assumes 𝐻𝑑 ≈√︁
𝐷g/(ΩSt) (Dubrulle et al. 1995; Youdin & Lithwick 2007), where

𝐷g is the vertical turbulent diffusion coefficient at the midplane. One
can relate 𝐷g ≈ a = 𝛼v𝑐𝑠𝐻g for isotropic turbulence (Birnstiel et al.
2016; Baruteau et al. 2021) 1. However, MHD simulation results
show this assumption is subject to many uncertainties (Zhu et al.
2015; Bai et al. 2016). The existence of wind may also bring dust
to high altitudes, but that is usually for micron dust with very small
Stokes number that already have 𝐻𝑑 intrinsically reaching the wind
base at ∼ 𝐻𝑔 (Armitage et al. 2013), not for millimeter size dust.
Since by testing we found that for face-on disc, different vertical
diffusion coefficient do not affect the final observation results, for
simplicity and to focus on relatively face-on data analysis, the dust
scale height 𝐻d is fixed to 𝐻d = 0.1 𝐻gas for dust components
similar to Miranda et al. (2017), which is equivalent to a diffusivity
coefficient 𝐷g = 10−4𝐻2

𝑔Ω for pebbles with stokes number of 0.01.
Such a dust scale height matches the ALMA observation in several
discs (Pinte et al. 2016; Villenave et al. 2020), possibly implying
different diffusivities of dust in the vertical and radial directions, bf
as found in simulation with ideal or non-ideal MHD effects (Bai &
Stone 2014; Baehr & Zhu 2021; Zhou et al. 2022).

To compute realistic temperature structure of the disc based
on dust density, we perform iterative thermal Monte Carlo simula-
tions. Details of our procedure are essentially the same as described
in Baruteau et al. (2021), although we apply opacities assuming
compact dust species comprised of 70% water ices and 30% astro-
silicates, with internal density 𝜌d = 1.3 𝑔/𝑐𝑚3 consistent with our
simulations, different from the porous dust (𝜌d = 0.1 𝑔/𝑐𝑚3) as
assumed in Baruteau et al. (2019).

To calculate the final beam-convolved synthetic images of
dust continuum emission, we use the public python program
fargo2radmc3d (Baruteau et al. 2019). We assume the disc dis-
tance is 100 parsecs, and the stellar radius is 1.2 solar radii with a
star effective temperature of 6000 K.

We then compute the location-dependent emission flux of the
disc at the wavelength of 1.25 mm (ALMA band 6). The brightness
map roughly reflects the density distribution of dust with sizes close
to this wavelength when the dust disc is generally optically thin. The
final synthetic maps of the disc are then constructed by convolving

1 Note that in the FARGO3D treatment of radial diffusion, Eqn 10 has also
implicitly made this assumption since 𝐷g is put in place of a in the original
expression of Youdin & Lithwick (2007).

the continuum intensity with a beam size of 0.02 × 0.02 arcsec (C-
9+C6 configuration pair) with an rms noise 10 `Jy/beam (about
3 hr on source time).

3 RESULTS

We summarised all simulation parameters and results in Table 1.
For the naming of our models, for example, “v4dw1” means that
there are both 𝛼v = 1 × 10−4 and 𝛼dw = 1 × 10−1 in this model.

In the centre of Fig. 2 we plot all our simulations as points
in the 𝛼v − 𝛼dw parameter space. Simulations with only the wind
or viscosity parameter being non-zero are plotted on the horizon-
tal/vertical axes. The panels a-g of Fig. 2 show selected synthetic
emission maps for characteristic runs residing in different regions
of the parameter space. As we will elaborate below, we find that
asymmetry from the persistence of vortices is a significant feature
that could differentiate a viscosity-dominated disc from a wind-
dominated disc when the gap-ring profile in the emission map is
quite similar 2. We use different colours in the middle panel in Fig. 2
to represent the time vortices appear in our simulations. All symbols
except black ones represent a run with vortices persisting to the end
of the simulation.

3.1 Moderate viscosity v.s. moderate wind accretion

We first draw attention to one of our benchmark simulations with
moderate viscosity 𝛼v = 10−3 and no wind v3dw0 (Fig. 2a and blue
line in Fig. 2h), in which we observe strongly symmetric gap+ring
structures with no vortices. The bright dust ring is extended and its
transition to the planetary gap is very smooth. Similar results are
found in numerous previous works for discs with similar parameters
(Rosotti et al. 2016; Zhang et al. 2018; Facchini et al. 2018; Chen
et al. 2021).

This is in contrast with wind-only simulations, all of which
demonstrate visible asymmetries. In another benchmark simulation
with moderate wind accretion parameter v0dw2 (Fig. 2b), the planet
is also able to open a deep gap in the dust profile, and with a gap
width as v3dw0 (Fig. 2a). However, the obvious clumps around ring
for v0dw2 (Fig. 2b) can help to easily distinguish the two models.

To briefly investigate the influence of ALMA observation se-
tups on our conclusions, we relax the spatial resolution and sen-
sitivity requirement of the default setups in upper right and lower
left panels in Fig. 3. Due to the azimuthal elongated shape (∼90◦),
the "detection" of the clump-like structures in v0dw2 (Fig. 2b) is
hardly affected when choosing the lower spatial resolution down to
50×50 mas (upper right panel of Fig. 3) as long as the ring feature
can be resolved. However, the sensitivity of the simulated images
plays a crucial role in the results. In the default setup, the signal-to-
noise ratio of the clump peak is approximately 40. Increasing the
rms noise from 10`Jy/beam to 50 `Jy/beam causes the asymmet-
ric feature to become indistinguishable. This, in turn, suggests that
clump-like features may be more commonly present on the pebble
rings, as discussed in Sec. 4. Additionally, the clump-like feature is
highly dynamic. In the lower right panel of Fig. 3, visible changes
are apparent in the corotating frame when comparing the snapshot
taken 5 years after the default image (approximately 0.05 orbits
later).

2 Here “dominated" refers their relative control over characteristic features,
not 𝛼v ≷ 𝛼dw in terms of accretion rate
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Hydrodynamical simulations models: parameters and results

Model 𝛼v 𝛼dw 𝑡vor (orbits) Inner gap (Yes/No) Synthetic maps (in Fig. 2)
(1) (2) (3) (4) (5) (6)

Strong-viscosity dominated

v3dw0 1 × 10−3 0 ∞ No a

v3dw(3.e-3) 1 × 10−3 3 × 10−3 ∞ No

Moderate-viscosity dominated

v3dw2 1 × 10−3 1 × 10−2 ∞ No c

v(3.e-4)dw(3.e-3) 3 × 10−4 3 × 10−3 ∞ No

Moderate-wind dominated

v0dw2 0 1 × 10−2 410 No b

v0dw(3.e-2) 0 3 × 10−2 290 No

v4dw2 1 × 10−4 1 × 10−2 490 No d

v(3.e-4)dw2 3 × 10−4 1 × 10−2 550 No

v(3.e-4)dw(3.e-2) 3 × 10−4 3 × 10−2 440 No

v3dw(3.e-2) 1 × 10−3 3 × 10−2 ≈ 2500 No

v0dw1 0 1 × 10−1 70 No e

v4dw1 1 × 10−4 1 × 10−1 90 No

v3dw1 1 × 10−3 1 × 10−1 210 No f

v0dw(3.e-3) 0 3 × 10−3 470 No

v0dw(5.e-3) 0 5 × 10−3 440 No

v0dw(7.e-3) 0 7 × 10−3 420 No

v4dw(3.e-3) 1 × 10−4 3 × 10−3 620 No

v4dw(5.e-3) 1 × 10−4 5 × 10−3 650 No

Inviscid disc

v5dw0 1 × 10−5 0 550 Yes

v5dw3 1 × 10−5 1 × 10−3 620 Yes

v4dw0 1 × 10−4 0 500 Yes g

v4dw3 1 × 10−4 1 × 10−3 600 Yes

v0dw3 0 1 × 10−3 470 Yes

Table 1. List of models adopted in our hydrodynamical simulations and shown in the middle panel in Fig. 2. We group the models which process dominate
the emission feature in the simulations depending on the presence of asymmetries (the effects become inseparable in the inviscid regime), to narrow the range
of the search upfront. Column (1) lists the name of the models. The main two parameters 𝛼v and 𝛼dw are listed in Columns (2) and (3). Column (4) lists the
simulation time of the vortex appearance 𝑡vor. Column (5) summarises whether there is a secondary gap in the corresponding model’s synthetic map. Column
(6) is a supplement to the understanding of Fig. 2.

Where moderate wind and viscosity coexist, we find there is a
transition between viscosity-dominated runs and wind-dominated
runs. For example, when mild wind accretion 𝛼dw ≤ 10−2 is
added on top of v3dw0 (run v3dw2, Fig. 2c), the disc is viscosity-
dominated and the dust signature is still considerably symmetric.
If we now lower the viscosity to 𝛼v ≤ 3 × 10−4 (e.g., run v4dw2,
Fig. 2d), the brightness asymmetry would appear at around a few
hundred orbits and persists for the rest of the simulation, similar to
run v0dw2. Although it is hard to distinguish the v3dw2 (Fig. 2c)
from v3dw0 (Fig. 2a) visually in the synthetic emission maps, their

difference is still significant in terms of the azimuthal intensity vari-
ation. In Fig. 4, we normalize the intensity by the peak flux at the
ring location. Whereas the ring in run v3dw0 (Fig. 2a) shows fairly
uniform distribution (red line) with < 10% fluctuation, up to 30%
variation is found in run v3dw2 (Fig. 2b). Such a high contrast asym-
metry on the ring could be easily tracked by ALMA observation.

This dichotomy is primarily associated with gas vortices on the
gap outer edges being the source of asymmetries in wind-dominated
runs. Vortices are generated from Rossby Wave Instability (RWI)
(Lovelace et al. 1999; Li et al. 2001), which results from steep gas
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Figure 2. The synthetic maps at the wavelength of 1.25mm, with the rms noise level 1.0 × 10−5Jy/beam. We select seven models with different 𝛼v and 𝛼dw,
obtained from hydrodynamic simulations with a planet (Saturn) fixed at 20 au (the white“x”symbol represents the position of the planet). The model name
and panel number are shown in the upper left and upper right corners of each panel, respectively. The beam size (20× 20 mas) is shown in the lower-left
corner of each image. The central plot shows the parameters (𝛼v and 𝛼dw), while 𝛼v = 0.05𝛼dw is plotted in dashed line. And we also plot the dotted line of
𝛼v = 2 × 10−4 to distinguish between high and low viscosity according to Hammer et al. (2021). The choice of two accretion parameters in our simulation is
plotted with colourful dots. Dots along the horizontal/vertical axes have one of the (subdominant) parameters set to zero. Different colours indicate different
𝑡vor values as measured from simulations, it represents the moment of the first occurrence of vortex in each model. The white circle in the centre of the dot of
some cases indicates that the case has an inner gap. The mid-upper panel (h) describes the radial profiles of 3mm dust species, normalized by their initial value
at 𝑅0, which the emission maps trace. Different line colours correspond to different models. These solid lines (viscosity) and dashed lines (wind) describe
which physical process dominates the disc morphology formation in the vicinity of the planet.

surface density gradients at the edge of the planetary gaps. Subse-
quently, they trap dust in clumps and lead to asymmetry in brightness
maps. To better quantify the production of the vortex, we define the
appearing time of vortices in each model as 𝑡vor. The vortex is clearly
visible in the 2D snapshots of the vorticity in our hydrodynamic

simulation, in this way, the appearance of the vortex can be easily
tracked. In Fig. 5, we select snapshots of the vorticity of several mod-
els (v3dw0, v0dw2, v3dw2, and v3dw1), the black arrows point to
the gas vortensity minimal points, i.e., the newly generated vortices.
We plot 𝑡vor for all models in the central panel of Fig. 2 in colours,
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Figure 3. Synthetic dust continuum maps for run v0dw2. The upper left
panel takes the same setup (beam size 20×20 mas, rms noise 10 `Jy/beam)
as Fig. 2b but with normalized intensity and linear colour bar. The spatial of
the upper right panel is 50×50 mas. The rms noise for the lower left panel is
50 `Jy/beam. All setups of the lower right panel are the same as the upper
left panel, but its snapshot time is 1000.05 orbits, approximately 5 years
later.
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Figure 4. The radial average in their ring region (0.2∼0.4 arcsec) of final
intensity for v3dw0 and v3dw2. The y-axis represents the normalized flux of
continuum emission. Different colours correspond to different models. The
solid lines represent the values obtained when the beam size is 20×20 mas.
For comparison, we also plot the values obtained from low-resolution ob-
servations (beam size is 0.050 × 0.050 arcsec, dotted lines). The green-solid
line is the upper left panel in Fig. 3, also shown in Fig. 2b. The green-dotted
line is the upper right panel in Fig. 3. The red-solid line is also shown in
Fig. 2a.

Figure 5. The snapshots of gas vorticity for different models (the panel
number in Fig. 2 corresponding to them is marked in the upper right corner).
The top left corner of each panel displays the name of the model. The title
of each panel contains the time of the corresponding snapshot. The black
arrow points to the newly generated vortices.

which helps us to identify a transition from the wind-dominated
parameter space towards the viscosity-dominated parameter space
(Complete simulation parameters and results for all models are pre-
sented in Table 1). Among them, black dots represent the models
in which the vortex never disappears (𝑡vor = ∞). In general, 𝑡vor
increases from the bottom right to the upper left in the central panel
of Fig. 2, which is closely related to the competition between 𝛼v
and 𝛼dw. The steep change in 𝑡vor in the moderate 𝛼v − 𝛼dw pa-
rameter space sets up a natural boundary between wind-dominated
(asymmetric) and viscosity-dominated regimes (symmetric).

Why is disc wind constructive to vortex formation at the gap
edges? Generally, steeper gas surface density gradients favour the
onset of RWI. While both wind and viscosity tend to diminish the
overall gas surface density contrast of a planetary gap (Elbakyan
et al. 2022), they seem to have competing effects on the maintenance
of vortices. By looking into the radial gas distribution, we note that
the existence of a local vortensity minima (condition for RWI) is
more relevant to the smoothness of the density peak at the outer edge
of the gap, rather than the overall density depletion at the planet’s
location. For example, we plot the steady-state gas surface density
profile (normalized by the initial unperturbed gas surface density)
of v3dw0, v0dw2, v3dw2, and v3dw1 (same as the models selected
in Fig. 5) in the upper panel of Fig. 6, with crosses indicating the
closest density maxima outside the gap. The corresponding gas
vortensity profiles are shown in the bottom panel. The transition
from the outer disc to the gap region in viscosity-only run v3dw0
is very smooth, with a mild pressure maxima far away from the
planet. This is because strong viscous diffusion smears out the
vortensity gradient (Li et al. 2001; Fu et al. 2014). The wind-only
run v0dw2 has a similar minimum density compared to v3dw0 in the
gap center, but the density bump outside the gap is much narrower
and sharper, forming a conspicuous vortensity minimum. This may
be associated with disc winds providing an extra radial velocity to
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compress the planet-induced pressure bump, forming a more peaked
density profile at distances closer to the planet (thinner ring width
and higher amplitude of the ring, both are preferred by the onset of
RWI (Ono et al. 2016)). Meanwhile, it does not contribute to the
vortensity diffusion of gas or the concentration diffusion of dust.
This is why even for the intermediate case v3dw2, while the gap
centre is shallower than both v3dw0 and v0dw2, the density bump is
still more conspicuous compared to v3dw0, with a vortensity profile
less monotonic (albeit the transition is not steep enough to generate
RWI). Further increasing the 𝛼dw to 10−1 in v3dw1, will compress
the gas ring even more and eventually lead to the onset of RWI
and the prominent asymmetry as seen in panel f of Fig. 2, despite
the gap center being filled. Consistently, the location of density
bumps in the dust profiles (Fig. 2h) show very similar trends. This
demonstrates that wind and viscosity have opposite effects on the
vortensity profile in the vicinity of the gap outer edge, leading to
the symmetry dichotomy we observe in Fig. 2. It is intriguing to
further scrutinize the time evolution of vortensity in these cases, but
since this paper is more focused on presenting results of a parameter
survey and emphasizing observable dichotomies, we will investigate
the detailed mechanisms of wind compression in separate works.

To provide an order-of-magnitude description of wind-
viscosity tension, suppose the pressure bump has a typical width of
Δ = 𝑤𝑅0, the timescale of viscous diffusion across the gap would
be

𝑡v =
Δ2

a
=

(𝑤𝑅0)2

𝛼vℎ2𝑉𝐾 𝑅0
, (18)

while the timescale of wind transport has a different dependence:

𝑡dw =
Δ

𝑉dw
=

𝑤𝑅0
3𝛼dwℎ2𝑉𝐾 /2

. (19)

For viscous diffusion to be as effective as wind transport, we
have 𝛼v ≈ 3𝑤𝛼dw/2. If 𝑤 is proportional to the dust gap width,
usually determined by the planet Hill radius (Rosotti et al. 2016;
Chen et al. 2021), then 𝑤 ∼ (𝑞/3)1/3; Alternatively, it could be
determined by the pressure scale height 𝑤 ∼ ℎ, both of which do
not depend on viscosity. In that case, we crudely expect the wind
compression to out-balance the smoothing of vortensity by viscosity
at 𝛼v ∝ 𝛼dw, when 𝑡dw < 𝑡v.

To conclude, wind-dominated discs with 𝑤𝛼dw ≥ 𝛼𝑣 show
detectable asymmetry in their dust signatures due to the onset of
RWI, which can be distinguished from viscosity-dominated sym-
metric discs with 𝑤𝛼dw ≤ 𝛼𝑣 , where the viscosity is large enough
𝛼v ≥ 2 × 10−4 to damp vortices by itself. In Fig. 2 the separatrix
on the wind viscosity plane between these regimes can be roughly
fitted by 𝛼v ∼ 0.05𝛼dw, in line with analytical predictions, since in
our setup (𝑞/3)1/3 ∼ ℎ = 0.05.

3.2 Strong wind regime

When the wind is relatively strong, e.g., v0dw1 (Fig. 2e), profound
asymmetry can be observed at the edge of a shallow and narrow
gap. Shallow gaps in the traditional viscosity-dominated regime
usually indicate either a small planet mass or higher viscosity. In
such cases, the disc tends to exhibit more azimuthal symmetric
features, as reported by Rosotti et al. (2016). We note that shallow
& non-axisymmetric gaps may also be opened by eccentric planets
(Chen et al. 2021), yet, the gap is usually wider in such a case.
Since disc wind tends to fill up the planetary gap but also enhance
asymmetry, strong wind leads to a distinct feature consisting of a
shallow and narrow gap within a non-axisymmetric dust ring, and

Figure 6. Top row: radial profiles of the gas surface density normalized to the
initial value. The crosses represent the peak value of the rings. Bottom row:
radial profiles of the gas vortensity normalized to the value at 𝑅0. The three
lines in each panel correspond to three different models as labeled in each
panel. As for how to distinguish between viscosity or wind-dominated model,
we adopt the same expression as in Fig. 2h, that is, solid lines represent
viscosity-dominated discs, and dotted lines represent wind-dominated discs.
Both panels for disc models with a planet 20 au from the central star (§2.2).

even a coexisting moderate viscosity 𝛼v ∼ 10−3 cannot damp the
asymmetry features in run v3dw1 (Fig. 2f). It is worth noting that a
higher viscosity parameter of 𝛼v = 10−2 could potentially dominate
over wind and damp the asymmetry, resulting in a shallow and
symmetric dust profile (Zhang et al. 2018). However, such a level
of viscosity is inconsistent with neither theoretical predictions nor
ALMA observation constraints in protoplanetary discs (Bai & Stone
2013; Flaherty et al. 2017, 2020).

A notable consequence of a stronger wind is its impact on the
dust trapping at the ring, leading to leakier traps and ultimately
resulting in the centre of the dust gap becoming shallower at higher
𝛼dw. This effect is evident from the comparison of the radial profiles
of v3dw0, v3dw1, and v3dw2, as well as v4dw2 shown in Fig. 2h.
The pebble leakage exacerbates the challenge of reconciling the
dichotomy between carbonaceous (CC) and non-carbonaceous (NC)
by giant planet gap opening (e.g., Stammler et al. 2023). However,
the leaked pebbles can potentially contribute to planet growth in
the inner region, offering a possible explanation for the tentative
correlation observed between super earth and exterior cold giant
planet (Zhu & Wu 2018).

Furthermore, the mass flux leaked by the strong wind can
also alter the radial profile of the ring morphology (see Fig. 2h),
leading to a ring steeper on the outer edge than the inner edge. This
ring morphology is similar to the pebble ring held by traffic jams
without significant gas substructures (Jiang & Ormel 2021), but
differs qualitatively from the planet-induced pebble ring in purely
viscous discs, which has a steeper inner edge and flatter outer edge
(see Bi et al. 2023, for a recent study), or see the profile of v3dw0
in Fig. 2h for a comparison.
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Nevertheless, the typical disc lifetime for strong wind regime
𝛼dw ∼ 0.1 will be very short∼ 104−105 years (Tabone et al. 2022b),
therefore we do not expect features shown in panels e and f, and the
systems they represent, to be common in ALMA observations (see
further discussion in §4).

3.3 Low viscosity v.s. Weak wind

Our simulations focus on a parameter range of viscosity parameters
𝛼v ∼ 10−3 − 10−4, which lie below the upper limit consistent
with the dust diffusivity from theory and ALMA observation. For
lower viscosity, 𝛼v . 10−4, the performance of the gas is nearly
inviscid. Multiple rings and gaps can be present as demonstrated
by Dong et al. (2017). The detailed investigation on the inviscid
regime (𝛼v < 10−4 or 𝛼dw < 10−2) is not the main focus of this
work, but the fact that low diffusivity prevents the destruction of the
planet-induced vortex will help the understanding of our results.

For lower values of viscosity, the gaps are much deeper and
the density contrasts much higher. Another important feature of
gaps carved out by circular planets in low-viscosity environments
is a secondary inner gap (Dong et al. 2017; Huang et al. 2018),
appearing at ∼ 𝐻. We verify that we have also observed this in our
low-viscosity runs, see and the central panel of Fig. 2 where we
label an extra black circle on top of the symbol representing runs
with inner rings in the lower-left parameter space (e.g., Fig. 2g,
run v4dw0, as an example for synthetic maps). Since viscosity is
low, the vortensity gradient cannot be smoothed even without MHD
wind, and the vortex and asymmetry persist towards the end of
simulations, as shown in Hammer et al. (2021); Rometsch et al.
(2021) for 𝛼v ≤ 2 × 10−4. Eventually, we find that all cases in
our simulations at low viscosity and weak wind regimes have inner
gaps and asymmetries, this is consistent with the low viscosity
simulations performed by previous authors (Bae et al. 2017). In
this context, the vortex cannot be a distinguishing factor between
wind-dominated runs or viscosity-dominated runs, but these runs
may still be separable from the rest of the parameter space by the
inner ring feature. We note that the dust concentration at Lagrangian
points L4 or L5 in certain Moderate-wind dominate cases or Inviscid
cases seem to be a minor source for asymmetry, but since they are
not maintained by gas vortices, they eventually disappear when we
extend these runs to timescales longer by a few hundred orbits,
as found in Zhang et al. (2018); Long et al. (2022b). Meanwhile,
vortices in the outer rings are unaffected and remain to be the most
essential source of asymmetry.

4 DISCUSSIONS & CONCLUSIONS

We propose a method to constrain the relative strength of the two
angular momentum transfer mechanisms — turbulent viscosity and
magnetized disc wind — in the planet-forming disc, by planet-
induced dust continuum emission morphology. With a newly added
parameterised MHD wind torque in FARGO3D (Tabone et al.
2022b; Elbakyan et al. 2022), we perform a series of hydrodynamic
simulations on planet gap opening with different levels of turbulent
viscosity and disc wind, create mock ALMA images at 1.25mm,
and test different sensitivity and spatial resolutions with radiation
transfer code RADMC-3D. Our main conclusions are summarised
as follows:

• We divide the different observations that may be generated by
the wind-viscosity interaction into four regimes (moderate-viscosity

dominated, moderate-wind dominated, strong-viscosity dominated,
inviscid), characterised by the vortex appearance time and the disc
morphology in the mock images of the ALMA continuum.

• We found that when strong wind dominates𝛼dw ∼ 0.1, the gap-
opening planet produces a distinctive shallow gap and prominent
asymmetric structure (vortex), so we can directly distinguish it from
the gap and ring morphology in the ALMA continuum. Wind serves
as an additional radial transport for both gas and dust, making the
gap shallower and altering the ring morphology.

• When moderate wind dominates 𝛼v/𝑤 ≤ 𝛼dw ≤ 0.01 (where
𝑤 is the normalized width of the pressure bump at the outer edge of
the planetary gap), the high-contrast gap and ring feature it produces
are similar to those of a traditional high-viscosity disc. However,
there are obvious differences between the two cases in terms of the
azimuthal intensity variation along the ring, as the wind dominated
case is considerably more asymmetric.

• In the two fore-mentioned regimes where wind transport is
dominant, vortices are easier to produce and can survive for a longer
time, even in the presence of viscosity damping. We speculate this
is because disc wind compression narrows the planet-generated gas
surface density bump, which results in a steeper vortensity transition
close to the outer edge of the gap and favours the generation of RWI.

• When viscosity dominates 𝛼v ≥ 𝑤𝛼dw, RWI can be damped
and the disc will be highly symmetric, separable from the wind dom-
inated discs. However, for very low viscosity 𝛼v ≤ 2 × 10−4, even
viscous diffusion would become too weak to damp RWI, and asym-
metry will be ubiquitous in inviscid discs regardless of the wind
strength. Nevertheless, such discs may be distinguishable from the
rest of the parameter space with the presence of an inner secondary
ring.

As the major novelty of this work, we highlight the enhance-
ment of asymmetries by the wind. However, it is to be noted that
our hydrodynamic simulations are limited by the 2D geometry, and
MHD wind is simply added as a torque term that drives gas radial
inflow. Such an approximation fails to capture the feedback effect of
gap-opening process on the initial magnetic field structure or wind
profile. In a recent work by Aoyama & Bai (2023), a detailed inves-
tigation of planet-disc interaction was conducted using 3D MHD
simulations. They studied the process of MHD wind transporting
gas across the planetary gap, and examined the migration torque
that the disc exerts on the embedded planet. It is concluded that due
to the concentration of magnetic flux in the planet vicinity, the wind
torque within the gap is enhanced by a factor of 3-5. While these 3D
MHD simulations are sophisticated and capture additional physics,
they are computationally expensive and thus cannot be run for a long
timescale that is relevant to ALMA disc ages. Furthermore, dust is
not incorporated into the simulations to examine sub-mm emission.
In comparison, our simulations are still capable of capturing the
fundamental effects of viscosity and wind on the radial flow struc-
ture to first-order: while viscosity acts to close the gap on both
sides, the wind compresses the gap from outer direction. Resorting
to torque prescription and 2D geometry, we have the advantage of
being able to run for much longer and across a broader range of
parameters. We note that Aoyama & Bai (2023, see Appendix C)
also conclude that Rossby wave instability persists for longer dura-
tion than typical viscous discs, albeit they did not explore whether
pressure bump compression could occur when wind is introduced
into a viscous simulation. In future studies, it would be useful to
incorporate more realistic prescriptions derived from sophisticated
MHD simulations, such as an enhanced 𝛼dw in the gap center, into
long-term and more efficient parameter surveys such as our own.
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Another caveat of our study is that we focused solely on face-on
detection, which is insensitive to the vertical distribution of dust. In
order to generate edge-on observations of planet-induced structures
in wind-dominated discs, it may be necessary to conduct additional
MHD disc wind simulations that incorporate dust, to provide a
more self-consistent prescription of dust scale heights. However,
disc wind launched above ∼ 𝐻𝑔 may not significantly affect the
vertical diffusion of mm-sized dust particles well-embedded in the
midplane.

It is also shown by 2D & 3D non-ideal MHD simulations that
the large-scale poloidal field, required to launch MHD winds in the
first place, may induce gap-like substructures in the absence of an
embedded planet (Riols & Lesur 2019; Suriano et al. 2019; Cui
& Bai 2021). These substructures are also associated with pressure
bumps that may act as dust traps. We anticipate that the compression
of pressure bumps by wind is not limited to planet-induced pressure
bumps, and therefore could lead to prolonged RWI and enhanced
asymmetry in dust ring structures produced by other mechanisms
as well.

Finally, we briefly discuss the asymmetry feature identified in
our simulation in the context of archival ALMA observation. The
very high-contrast asymmetry is hard to hide in ALMA observa-
tion. Prominent crescents (e.g., IRS 48, MWC 758, HD135344B,
HD 143006; van der Marel et al. 2013; Marino et al. 2015; van
der Marel et al. 2016; Pérez et al. 2018) may be relevant to the
strong wind-dominated regime, albeit they are relatively rare (van
der Marel et al. 2021). This fact in turn suggests that 𝛼dw ∼ 0.1
might be not common in ALMA systems, which is also expected
because their typical disc lifetime would be very short (Tabone et al.
2022a,b).

However, in the moderate wind-dominant regime (§3.1), the
wind-driven asymmetry can still appear on top of an overall ax-
isymmetric ring as clump-like features. Due to the relatively limited
contrast between the clump peak and bottom, the very robust detec-
tion of these clump-like features might be challenging. Meanwhile,
depending on the geometry distribution of pebbles, the intensity
along the major axis could be large than the minor axis of the ring
simply due to the radiation transfer effect (Doi & Kataoka 2021).
More extremely, if the ring is optically thick, the ring could manifest
an axisymmetry structure even with asymmetric azimuthal density
profiles. We may expect to verify this in future facilities with longer
wave band observation capability, e.g., the extended ALMA array
(ALMA band 1, Carpenter et al. 2020; Burrill et al. 2022), the next-
generation Very Large Array (ngVLA, Ricci et al. 2018) and the
Square Kilometre Array (SKA, Ilee et al. 2020; Wu & Liu 2023).

Yet, even though it is challenging, thanks to the improvement
of spatial resolution of ALMA, a group of studies has pioneered
identifying these clump-like structures on seemingly axisymmetric
rings, e.g., the inner ring of the face-on disc HD 169142 (Macías
et al. 2017; Pérez et al. 2019). It has been proposed that the in-
ner edge of a circumbinary disc can feature these clump structures
(Poblete et al. 2022). Alternatively, these clump features can also be
caused by mesoscale instability triggered by dust feedback in mas-
sive rings (Huang et al. 2020). Contradictory results are obtained
by Lehmann & Lin (2022), who suggest that a higher-metallicity
disc can kill the short-lived vortex more easily, and smear out the
asymmetry. Our result suggests it could alternatively be achieved if
disc wind dominates over viscosity in the inner disc of HD 169142.

Another potential target of interest is RXJ1604.32130 A,
where, again, the significant level (∼ 30%) of intensity variation
is observed in the continuum of the transitional disc rim (Stadler
et al. 2023). It is proposed that the variation could be caused by

the shadowing of an inclined inner disc, as in the near-infrared
counterpart of RXJ1604.32130 A (Pinilla et al. 2018), while this
assumption largely depends on the uncertain disc cooling.

In the end, the intensity of the continuum ring beyond the orbit
of PDS 70 b and c exhibits some moderate asymmetry in the az-
imuthal directions (Keppler et al. 2019), which might be potentially
explained by vortices at the ring location. As there are two planets
confirmed in PDS 70, it will be appealing to compare our results
with the PDS 70 ALMA continuum, as well as explore detailed
dependencies of ring morphology on planet mass, in subsequent
works.
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Analysis of Prospective Flight Schemes to Venus 

Accompanied by an Asteroid Flyby 

Vladislav Zubko1 

1 Space Research Institute (IKI) of the Russian Academy of Sciences (RAS) 

This paper deals with the problem of constructing a flight scheme to Venus, in which a spacecraft 

flying to the planet after a gravity assist maneuver and transition to a resonant orbit in order to re-

encounter with Venus, makes a passage of a minor celestial body. The 117 candidate asteroids 

from the NASA JPL catalogue, whose diameter exceeds 1 km, were selected. The flight trajectories 

which meet the criteria of impulse-free both flyby Venus and asteroid, and the subsequent landing 

on the surface of Venus were found within the interval of launch dates from 2029 to 2050. The 

trajectory of the spacecraft flight from the Earth to Venus including flyby of Venus and asteroids 

with a subsequent landing on the surface of Venus was analyzed. 

Key-words: gravity assist, Venus, asteroids, spacecraft trajectories  

Introduction 

The study of asteroids is an important part in the development of scientific 

knowledge of the composition and structure of the Solar System. Their study, which 

began with ground-based observations in the first half of the 19th century, has now 

moved into the stage of using space-based facilities (space telescopes, research 

probes). Among the most famous space probe missions, we can denote Vega-1 and 2, 

Giotto, Deep Impact, NEAR, Hayabusa, Osiris - Rex etc. In total, at the moment, about 

35 small bodies of the Solar System have been studied by spacecrafts1. Among them, 

7 were periodic comets, which is an extremely small number of studied objects, taking 

into account that modern catalogues include about 540 numbered comets and 620,000 

asteroids 2. Notice that currently a dozen more celestial bodies in the coming years 

(2022-2026) planned to be studied by spacecrafts, including a large main belt asteroid 

(16) Psyche, almost entirely composed of iron. The Lucy mission (it has been in flight 

since 2021) should make a great contribution to the study of the structure of Jupiter's 

Trojan asteroids. The Stardust, Hayabusa, Hayabusa-2 missions developed space 

exploration by bringing to the Earth particles collected from celestial bodies: the 

                                                           
1From the list of missions to fly to asteroids given on the JPL website NASA https://ssd.jpl.nasa.gov/sb/targets.html ( 

Accessed 12/11/2022) 
2According to the JPL website NASA https://ssd.jpl.nasa.gov/ (2022-12-22 17:07:03 UTC) 

https://ssd.jpl.nasa.gov/sb/targets.html
https://ssd.jpl.nasa.gov/
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81P/Wild 2 comet (Stardust) and the 25143 Itokawa (Hayabusa), 162173 Ryugu 

(Hayabusa 2), 101955 Bennu (Osiris - Rex) asteroids. 

Space missions involving direct exploration of one asteroid, i.e. approaching an 

asteroid with subsequent entry into its orbit or landing on its surface, have both an 

undeniable advantage, i.e. obtaining the maximum amount of data on the structure 

and composition of the asteroid, as well as some shortcomings, which include the 

insufficiency of the information obtained for a qualitative assessment of the structure 

and composition each of the minor celestial body of the Solar System. The latter result 

in the incompleteness of the global understanding of the nature, functioning and 

interaction of them at any of the stages of the evolution of the Solar System. It should 

be noted that an alternative approach is also possible when a spacecraft is launched, 

the purpose of which is to study a large number of asteroids by multiple approaches 

to them, for example, in the main belt region (as an example, the Lucy [1] and Hannes 

[2] missions concept). 

A promising direction of the development of space missions seems to be including 

a stage of accompanying research as part of the main scientific program (i.g. studying 

asteroids). For example, in the NEAR [2,3] space mission to the (433) Eros asteroid 

the spacecraft also approached the (253) Matilda asteroid, which made it possible to 

determine the mass and obtain photos of surface of the latter. Another missions were 

Galileo [4] approached (243) Ida and (951) Gaspra, Cassini-Huygens approach 

(2685) Mazursky [5], Ulysses passed  the gaseous tail of several comets, New 

Horizons [6] approached the (486958) Arrokot trans-Neptunian object in 2015. 

The flyby of asteroids is being considered as a possible continuation for the 

missions currently operating; for example, for the spacecraft of the Spectrum-

Roentgen-Gamma mission, studies have been carried out in [7,8], which show that 

after 2026 (the expected date of completion of the main part of the mission), a flyby 

of near-Earth asteroids is possible, such as (99942) Apophis, 1997 XF11 etc. 

Let us highlight the works [9–11] in which the authors carried out the search for 

optimal flight trajectories to extreme trans-Neptunian objects, such as (90377) Sedna, 
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2012 VP113 using the Venus-Earth-Earth-Jupiter maneuvers and asteroids passages. 

Herewith, the authors found the asteroids which passage is possible at Earth-Earth 

and Earth-Jupiter sites, in particular, during the mission to Sedna in 2029 is possible 

to flyby the main belt asteroid (20) Massalia on Earth-Earth arc, and in 2034 an 

asteroid (16) Psyche on Earth-Jupiter arc. In [10] it was proposed to use a small 

spacecraft as a piggyback to the main mission, detaching it after the last gravity assist 

and sending two separate spacecraft simultaneously to two trans-Neptunian bodies. 

In this paper, the scenario of a flight to Venus is studied, in which a spacecraft 

flying to the planet makes a passage of a minor celestial body after a gravity assist 

maneuver and transition to a resonant orbit3 in order to re-encounter with Venus. Such 

scenario of a flight to Venus with gravity assist to deliver lander to a specific location 

on the planet’s surface was proposed in [12] as a part of the development of a 

technique for constructing flight trajectories to Venus. The authors also showed the 

advantage of the obtained scenario in terms of attaining the required landing sites over 

the traditionally used approaches. 

An interesting approach considering the flight to TNOs was proposed and 

studied in the work [13] to flyby simultaneously two TNOs (without separation unlike 

the case described earlier) within the framework of the one mission for example 

according to the research it is possible to flyby Huya and Quaoar if launching 

spacecraft in 2025. 

The relevance of the study in this paper is due to the possibility of a significant 

expansion of the scientific research program of the mission to Venus using the 

described scenario provided landing in a given region of the planet’s surface. Here, 

for some simplification, by landing in a given region we mean an impulse-free return 

to the planet after a flyby of the asteroid. The approach proposed in [13] can be 

extended to any mission to a planet with the subsequent transition to an orbit that is 

resonant to the planet’s orbit. 

                                                           
3 Under the spacecraft orbit resonant with the planet's orbit in the ratio m:n (hereinafter, for brevity, we call such a 

spacecraft orbit resonant m : n ), in this paper we understand the heliocentric spacecraft orbit, the ratio of the period of 

which to the period of the planet's orbit is a rational number m / n . 
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As part of the study, 117 minor celestial bodies were selected that meet the main 

criterion, which is the size of studied the celestial body that should have been more 

than 1 km in average diameter4. Notice that to increase scientific value of possible 

mission and constrain our search the lower limit on diameter was taken 1 km. 

However, if restriction has been lowered to 0.5 km or 0.3 km the number of available 

asteroids will increase to 300 and 800 accordingly.  

The flight trajectories which meet the criteria of an impulse-free flyby both Venus 

and an asteroid 35 out of 117 minor celestial bodies were found within the interval of 

launch dates from 2029 to 2050. Such interval is accepted as taking into account the 

fact that all the main missions for the exploration of Venus, namely, Venera-D [14], 

DAVINCI + [15], VERITAS [16], EnVision [17] planned to implementation in the 

period from 2029 to 2040s, another reason is that an  interest to research Venus will 

not fade away for many more decades. 

1. Determination of the spacecraft trajectory to the Venus with gravity 

assist and asteroid passages 

Let's describe the main phases of constructing  a spacecraft trajectory according 

to the Earth-Venus-Asteroid-Venus flight scheme. On heliocentric sections the 

trajectory is determined by the solution of the Lambert problem [20,21] and  then 

patched together at the periapsis of the flyby hyperbolic trajectory of the spacecraft. 

Further algorithms and methods of calculating gravity assist maneuvers are based on 

the method of the patched conic approximation, as well as the method of calculating 

gravity assists outlined in  [22-24]. 

Let us denote the arrival and departure heliocentric velocities of the spacecraft 

from the planet with the gravitational parameter μ1 as ,− +
V V , obtained from the 

Lambert problem; u - vector of the heliocentric velocity of the planet in the ecliptic 

frame. 

                                                           
4 The estimation of object’s diameter was taken from JPL web-site (url: 

https://ssd.jpl.nasa.gov/tools/sbdb_lookup.html#/ (Assesd 01.04.2023)  considering asteroid absolute magnitude and 

albedo. 

https://ssd.jpl.nasa.gov/tools/sbdb_lookup.html#/
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Knowing the heliocentric velocity of the spacecraft before and after the planet 

flyby and the planet's orbital velocity, the approach («–») and departure («+») 

planetocentric velocities of the spacecraft "at infinity" ,r r

− +
V V , can be determined as 

follows: 

r

r

− −

+ +

 = −


= −

V V u

V V u
, 

Let us determine an angle between ,r r

− +
V V : 

 
-

-
arccos r r

r r

V V

V V


+

+


= , (1) 

where ,r r r rV V− − + += =V V . On the other hand, assuming that the incoming and 

outgoing asymptotes are patched at the pericenter of the spacecraft trajectory, the 

expression for the turn angle can be written as: 

 
( ) ( )

2 2

1 1

1 1
= arcsin arcsin

1 / 1 /r rr V r V 


 − +

+
+ +

, (2) 

where r  is the magnitude of the pericenter radius of the spacecraft’s flyby trajectory.  

The resulting nonlinear equation is solved with respect to the variable r , with 

the required rotation angle α known. From (2) the pericenter radius at which the 

tangents to both semihyperbolas coincide is determined. 

The condition under which the gravity assist maneuver is possible only due to the 

gravitational field of the planet (i.e. passive or free-impulse gravity maneuver) is 

written as follows: 

 
r rV V− += , 

*  , (3) 

where 
( )

*

2

,min 1

1
arcsin

1 /rr V




=
+

 is the maximum natural turn angle, ,minr  is the 

minimal planetocentric distance at which flyby can be occurred, for example,  in our 

case, for Venus such distance was calculated as the sum of the average Venus radius 
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(6051 km) and the average height of Venusian atmosphere (500 km), thus 

,min 6551r km = . 

If the first of the conditions (3) is not satisfied, then an additional impulse is 

required. Assuming that the impulse is applied at the pericenter of the spacecraft's 

flyby trajectory, we can determine its value as follows:  

 ( ) ( )
2 2

1 12 2
= r rV V V

r r


 

 − + + − + . (4) 

Note that such impulse is not exactly optimal: as it was shown in papers [22,25], the 

optimal impulse should be applied not in the pericenter of the flyby trajectory. These 

papers give formulas for calculating the distance at which the transition between 

semihyperbolas should be made and the impulse required for such a transition. In our 

study, since the impulse calculated by eq. (4) will be close to the optimum in [22,25], 

for simplification of calculations we use exactly such approach. Fig. 1 shows  the 

calculation scheme of the active gravity assist maneuver (i.e., with a nonzero impulse 

as in eq. (4)) when passing the planet. 

If the second of the conditions (3) is not fulfilled, then another impulse is 

required. That impulse required to turn the asymptote entering or leaving the sphere 

of influence of the planet so that the condition (2) is fulfilled. The value of such 

impulse is defined as follows: 

 = 2 sin
2

t rV V
− 

 , (5) 

where 
*=   −  is an angle by which the asymptote was turned. 
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Fig. 1. Scheme of constructing the trajectory of the spacecraft during the passage of the planet 

stage in the case of an active gravity assist maneuver 

 

2. Technique for calculation of the trajectory of the spacecraft from the Earth 

to Venus including flyby of Venus and asteroids with a subsequent return to 

it 

The technique used in the study of flight trajectories can be outlined as follows: 

1. The celestial bodies Earth, Venus, and asteroids, which are to be orbited during the 

motion of the spacecraft along the resonant orbit of a given resonance 1:1, are 

specified. The coordinates of the given celestial bodies are calculated for the time 

moments corresponding to the date of launch the spacecraft, p passages of the 

celestial bodies and landing on Venus. 

2. Sections of the spacecraft trajectory are calculated: Earth-Venus-1st asteroid-2nd 

asteroid-...-pth asteroid-Venus, using the solution of the Lambert problem5 for each 

section (Fig. 2). The result of this stage of the technique are vectors of heliocentric 

velocities of the spacecraft at each of the moments of encounter with the given 

celestial body. 

                                                           
5 In this work we used Izzo method described in details in [31] and verified results using Sukhanov method [32]. 
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3. Based on the data obtained in the previous step, the impulses are calculated 

, 0,...,ai i tiV V V i p =  +  =  (eq. (4) – (5)), assuming that all gravity assist 

maneuvers are active (i.e. require an additional impulse during flyby). Impulse 

with the index «0» corresponds to the first gravity assist maneuver, i.e. near 

Venus. Also, we assume that during an asteroid flyby the trajectory of the 

spacecraft does not experience gravitational influence from the asteroid. Thus, the 

above formula is simplified to calculate the modulus of the difference of 

asymptotic velocities before and after the asteroid flyby:  

| |, 1,...,ai rai raiV i p− + = − =V V , 

where ,ra ra

− +
V V  are asymptotic velocities before and after the flyby of the asteroid. 

 

Fig. 2. Stage of mssion scenario acording to used technique. 1 2, , ,p fr r r r  are the position of 

spacecraft at Venus first gravity assist, asteroids gravity assist and final position at landing 

4. The total impulse ( )V T , where  0 1, ,..., ,..., ,i p ft t t t t=T , can be calculated, as sum 

of p impulses, the asteroid fly-bys applied by the spacecraft 1( , ), 1,...,ai i iV t t i p+ = , as 
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well as launch characteristic velocity 0 0 1( , )V t t 6, i.e. 

1 0 0 1

1

( ) ( , ) ( , )
p

ai i i

i

V V t t V t t +

=

 =  +T . 

5. The total impulse is minimized by the criterion ( ) minJ V=  →
T

T  using any 

available method of finding the minimum of the objective function J. Notice that 

in this research J was minimized using the two-step optimization procedure with a 

differential evolution on the first step and the Broyden-Fletcher-Goldfarb-Shanno 

method on the second step. The implementation of the mentioned methods was 

made according to [18,19]. 

6. Then the trajectories are filtered according to the following criterion:  

1 2 1 2 1

2 3 2 3 2

1 1

,

,

...

,p p p p p

t t t t

t t t t

t t t t





 + +

= − 


= − 


 = − 

 

1

|| ||
p

i pl

i

T 
=

−  , 

where 
plT  — planet orbital period,   — the required accuracy. 

7. If the duration of the spacecraft flight along the planet-asteroid-planet section does 

not satisfy the above inequality, it is considered that the passage of the asteroid 

during the simultaneous flight on the turn of the resonant orbit is impossible and 

the above mentioned steps 1-6 should be repeteaed for a new launch date. 

3. Calculations 

The candidate asteroids for current research were selected from the JPL catalog 

in the Horizons system. The criteria for selecting candidate asteroids from the JPL 

catalog are: 

• perihelion < 0.8 au; 

• object diameter > 1 km. 

                                                           
6 Launch characteristic velocity was calculated considering that start of spacecrafts motion occurs from Earth from the 

parking orbit of 200 km altitude and 51.6 deg inclination. The equation for required impulse calculation may be found 

in [33] 
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The first criterion is based on the fact that the orbit of the asteroid should be 

passing close to the orbit of Venus. Such a requirement arises because of the limited 

region of space where the spacecraft can be sent after being placed on the resonant 

1:1 orbit. Estimation of the maximum distance to which the spacecraft can leave after 

a resonant 1:1 orbit after a gravity assist of Venus can be made in the simplest model 

using the Tisserand invariant which can be written through the orbital parameters and 

the hyperbolic excess velocity as 

22 (1 ) cos
pl

pl

a a
T e i

a a
= + − , 

2

3 rV
T

u

 
= − 

 
, 

where , pla a  - the semi-major axis of the spacecraft orbit after the gravity assist 

maneuver and the Venus orbit; ,e i  - eccentricity and inclination of the heliocentric 

orbit of the spacecraft in the plane of the orbit of Venus. 

Then the maximal distance in the aphelion ( ,maxr ) is achieved if the orbit of the 

spacecraft lies in the plane of the orbit of Venus, i.e. 0i =  and maxe e=  ( maxe  is the 

maximal eccentricity of heliocentric orbit of the spacecraft), also take into account 

that the spacecraft after the gravity assist maneuver transfers to the resonant 1:1 orbit, 

i.e. pla a= : 

2
2

max

1
1 2

4

rV
e

u

  
= − −     

, 

,max max(1 )r a e = + . 

Hence, we see that for the asymptotic velocities within the range from 3 to 15 

km/s the maximal aphelion in the resonant 1:1 orbit which the spacecraft reaches after 

the gravity assist maneuver near Venus varies from 0.78 to 1 au. Thus, choosing the 

first criterion as the upper limit of perihelion value of the candidate asteroid orbit 

allows to remove those asteroids which basically cannot be reached by spacecraft 

flying on the resonant 1:1 orbit.  
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The second criterion allows us to identify only relatively large objects, which 

may be of greater interest for scientific research. A total of 117 minor celestial bodies 

was found, of which 4 are comets that meet the above criteria. 

First, we investigated the case of an impulse-free asteroid flyby spacecraft while 

flying by the Earth-Venus heliocentric arc. In this case, the trajectory of the spacecraft 

in this arc can be found by solutions of the Lambert problem at the Earth-Asteroid 

and the asteroid-Venus arcs. However, when searching among 117 asteroids in the 

interval of launch dates from 2029 to 2050, we were unable to find an asteroid which 

passage could be carried out, firstly, without an impulse, and secondly, within the 

duration of the flight corresponding to the limiting time of the spacecraft flight along 

the trajectories of the second semi turn7.  

Further, according to the technique given in section 2, simulations of the 

trajectories of the spacecraft flight following flyby Venus and the asteroid, and the 

subsequent landing on the surface of Venus were carried out. The main constraints to 

the trajectories of spacecraft flight were the following parameters, namely the launch 

characteristic velocity and impulse-free of the passage of both Venus and the asteroid: 

 0 4.5 /

0, 0,...,ai

V km s

V i p

 

 = =

 (6) 

Note that the choice of the first of the constraints (6) is due to the fact that usually 

the characteristic velocity value of the spacecraft for  Venusian missions ranges from 

~3.6 to ~4.2 km/s [14,20]. In our case, we increased this limit up to 4.5 km/s in order 

to expand the number of available scenarios. Table A.1 also includes the scenario of 

a flight to Venus circling the 2P/Encke comet, due to the high scientific value of 

studying the comet at a close range, despite the fact that the restrictions on the launch 

characteristic velocity are violated (5.25 km/s vs. 4.5 km/s in constraint (6)). This case 

is considered below in detail. 

                                                           
7 By the first and second semi-turn usually refers to the flight of spacecraft from Earth to Venus on the trajectory, 

providing a rendezvous with Venus at an angle distance of less than 180 degrees (the first semi-turn) or more than 180 

degrees (the second semi-turn). 



12 

The analysis of the possibility of an asteroid passage was carried out on the 

interval of possible years of launch missions to Venus 2029-20508. Asteroid 

ephemeris was obtained using NASA's JPL HORIZONS catalog of small celestial 

bodies9. In the appendix, in Table A.1 some characteristics of the flight to Venus with 

the gravity assist maneuver and the subsequent passage of the asteroid are given. Fig. 

2a and 2b show the main characteristics of certain trajectories, which include an 

impulse-free encounter with the asteroid. Fig. 3a shows launch characteristic velocity 

(ΔV0) for each of the asteroids from the JPL catalog, the passage of which is possible 

under the constraints (6), Fig. 2b shows Vr vs. the id of asteroid in JPL catalogue. 

 

(a) 

                                                           
8 It is worth clarifying that exploration missions to Venus are planned for the late 2020s to mid-2030s. However, we 

are referring here to possible post-2030 missions. 
9 JPL Small-body database https://ssd.jpl.nasa.gov/tools/sbdb_lookup.html#/ (accessed 10.12.2022) 

https://ssd.jpl.nasa.gov/tools/sbdb_lookup.html#/
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(b) 

Fig. 3 (a) Distribution of ΔV0 vs. asteroid id in the JPL catalog, flight to which is possible under 

the constraints (6) (see Table A.1); (b) Distribution of Vr vs. asteroid id in the JPL catalog, flight to 

which is possible within the constraints (6) (see Table A.1) 

Fig. 3 does not show the values of ΔV0 and Vr for the scenario with a flyby of the 

2P/Encke comet, in spite of the fact that these results are shown in Table A.1. This is 

because the optimal ΔV0 obtained is significantly higher than the first part of the 

constraint (6) introduced earlier.  

Note that in the process of searching for optimal trajectories the following 

circumstance was detected: the optimal in ΔV0  term trajectories satisfying the 

condition (6) were spacecraft trajectories on which the duration of the flight on the 

Venus-asteroid-Venus section was equal to the period of the planet. This means that 

the optimal trajectory turned out to be that which would contain a section of the 

spacecraft flight along the resonant 1:n orbit in relation to the orbit of Venus. 

Results presented in Table A.1 shows that the conclusion about the 

optimality is violated only in two cases, namely the flight to the 2P/Encke comet in 

2042, whereas the flight along the 1:2 orbit in the Venus-asteroid-Venus arc turns out 

to be optimal, the other case is the meeting with the 6063 Jason (1984 KB) asteroid 

at launch in 2034, then the flight along the Venus-asteroid-Venus arc of 309 days is 

optimal. However, the latter may be explained that the spacecraft flight after the 

gravity assist maneuver takes place in the Venus orbital plane. 
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Also, it should be pointed out that the above conclusion about optimality can 

be valid if the spacecraft meets the asteroid after Venus flyby occurs at an angular 

distance of up to 2π (on heliocentric arc).  

Although the condition for impulse-free solution for flyby both Venus and 

asteroid was noticed and established during the simulation of flight paths to 117 

asteroids in the study of the launch date interval from 2029 to 2050, but strong 

evidence or explanation of this circumstance has not been succeeded yet, and this is 

the subject of further research. 

4. Analysis of the results 

We found 53 possible scenarios of spacecraft flight to Venus with an asteroid 

flyby, satisfying constraints (6) and 3 scenarios, with flyby of the 2P/Encke comet 

(see Table A.1). Fig. 4 shows the distribution of the number of possible scenarios vs. 

launch year.  

 

Fig. 4 Distribution of the number of possible scenarios of asteroid flyby on the Venus-Venus 

trajectory for various years of mission launch 

From this figure one can see that the number of possible scenarios varies from 2 

in 2029, 2040, 2044-2047 to 12 in 2042, so, in general, in all considered years of launch 
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the spacecraft to Venus it is possible to find at least one scenario including an asteroid 

impulse-free flyby. 

Let us analyze the sizes of the objects, the passage of which is possible in the 

framework of the proposed scenario of the mission of spacecraft to Venus (see Table 

A.1). For this purpose, it is necessary to demonstrate the asteroid's diameter10 vs. its 

number in the JPL catalog (see Fig. 5).  

 

Fig. 5 Object’s diameter vs. the number of reachable asteroids on the Venus-Venus trajectory 

arc (the diagram in the format (xxxxxxxx; x,xx) shows the asteroid id in the JPL catalog and its 

diameter in km).  

The results of search for trajectories including flyby of Venus and asteroid in 

launch dates period from 2029 to 2050 show that most of the found objects are 

relatively small and have sizes that ranges from 1 km (corresponds to the lower 

border) to 5.23 km. The largest one that has been found is the 5731 Zeus asteroid 

                                                           
10 The estimation of object’s diameter was taken from JPL web-site (url: 

https://ssd.jpl.nasa.gov/tools/sbdb_lookup.html (Assesd 01.04.2023)  considering asteroid absolute magnitude and 

albedo. 
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(5.23 km in diameter), this object may be reached at launch in 03.06.2036 and a close 

encounter occurs at 27.10.2036 at a relative velocity of ~14 km/s. 

It is worth noting that for a number of asteroids the taxonomic type determined 

from the Earth observations is shown in Table 1. Analysis of these data shows that 

even at a very close distances to the Sun (0.8-1.12 au) one can make passage of quite 

interesting objects, such as the M-class asteroid 3554 Amun, Q-class asteroid 1862 

Apollo, 3753 Cruithne. Asteroid 3554 Amun is notable because it has an own satellite, 

while 3753 Cruithne is in orbital 1:1 resonance with the Earth. Also, a 4769 Castalia 

asteroid which periodically approaches Earth at distances up to ~0.02 au (the next 

such approach is expected in 2047) is of interest because it belongs to the contact-

double S-class. It is also worth paying attention to the 2004 TG10 asteroid which 

supposedly could be a fragment of the 2P/Encke comet [21] and is also approaching 

the Earth up to 0.02 au. 

Table 1. Physical properties (diameter, magnitude and taxonomic type) of some 

asteroids from Table A.1, according to [22] and the JPL catalog of small celestial 

bodies 

Number and name of the 

object 
Launch year H* albedo 

d*, 

km 
Taxonomy class 

4341 Poseidon (1987 KF) 2031 16.08 0.05 3.17 O 

4197 Morpheus (1982 TA) 2037 15.03 0.37 1.80 Sq 

1862 Apollo (1932 HA) 2042 16.11 0.25 1.50 Q 

55532 (2001 WG2) 2042 16.15 0.37 1.30 Sk 

3753 Cruithne (1986 TO) 2047 15.5 0.36 2.07 Q 

5731 Zeus (1988 VP4) 2036 15.43 0.03 5.23 X[22] 

3554 Amun (1986 EB) 
2040, 2042, 

2044 
15.91 0.07 3.34 X; M;D 

3360 Syrinx (1981 VA) 2050 15.9-17.4 
0.07-

0.17 
1.80 D 

1685 Toro (1948 OA) 
2032, 2040, 

2048-49 
14.31 

 

0.26 3.75 S [22] 

  4769 Castalia (1989 PB) 2042 16.9 0.3 1.40 S [22] 

2004 TG10 2031, 2034 19.4 0.018 1.36 C, S[21] 

*H, d - absolute magnitude and diameter of the asteroid 

5. Flight scenario to Venus with a flyby of the 2P/Encke comet 
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Due to the exclusivity of both the 2P/Encke comet [23–25] and the fact that 

2P/Encke is the only comet among the 35 objects to which it was possible to construct 

trajectories, so let us consider this flight scenario  in detail. 

The flight to the 2P/Encke comet after the first flyby of Venus, according to 

our calculations, can be made at launch in 2033 or 2042. We consider 2033 since it is  

the most possible date of implementation of the mission to Venus and the flight to the 

comet will be accompanied by a lower cost ΔV0 than launched in 2042. The trajectory 

parameters of the flight to Venus with the passage of the 2P/Encke comet are given 

in Table A.1. In Table 2 the parameters of the resonant orbit during the motion on 

which spacecraft encounters the comet are provided.  

Table 2. Orbital parameters of the resonant orbit of the spacecraft approaching 

the 2P/Encke comet after the gravity assist of Venus at 02.06.2033 

a, au e i*, deg Ω*, deg ω*, deg M**, deg 

0.723 0.036 12.2 308.870 246.614 98.538 

 * in the heliocentric ecliptic frame, ** mean anomaly is given at the moment of the spacecraft 

encounter with the comet 

Fig. 6 shows the trajectory of the spacecraft flight to Venus, with a subsequent 

impulse-free encounter with the 2P/Encke comet and return to Venus. It can be seen 

that the spacecraft moving along the resonant orbit passes the comet out of the ecliptic 

plane, which is primarily explained by the fact that the descending node of the orbit 

of the comet is located inside the Mercury orbit, and the ascending one is near the 

Jupiter orbit, thus make it impossible for the spacecraft to encounter 2P/Encke in the 

ecliptic plane and then return to Venus performing the flight on the resonant 1:1 orbit.  
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Fig. 6. Spacecraft's trajectory to Venus with the gravity assist maneuver near the planet and flyby 

of the 2P/Encke comet in a resonant 1:1 orbit at mission launch in 29.01.2033. Dates are  written 

in the format dd.mm.yyyy. 

Note that the required ΔV0 cost for a flight to Venus with its passage around, 

transition to the resonant 1:1 orbit, and an impulse-free encounter with the 2P/Encke 

comet is 5.13 km/s at launch in 29.01.2033. This value of characteristic velocity 

exceeds the typical ΔV0 required for Venusian missions, which is in the range of ~3.6-

4.2 km/s [14,20], and less surpasses the optimal ΔV0 = 4.24 km/s for the direct flight 

from the Earth to the 2P/Encke comet in the nearest launch date 04.10.2029 with a 

flight duration of ~287 days. The explanation of the high value of launch 

characteristic velocity for the Earth-Venus-Encke-Venus flight may be the necessity 

of making a transition to an orbit with a great inclination to ecliptic, as the resonant 

orbit of the spacecraft after gravity assist maneuver near Venus is inclined at 12.2 

degrees to ecliptic (Table 2) or at 14.47 degrees to the plane of the Venus orbit. For 

this spacecraft it is required to approach Venus with high asymptotic velocity, which 

follows from a simple relation: 

sin
arcsin rV

i
u


 = , 

where   is the angle between the vectors , ru V , for a resonance of 1:1 

0.997564 1sin   . Taking this into account, the possible limits of changing the 
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inclination by means of a gravity assist maneuver are no more than 14.5 degi =  (for 

the asymptotic velocity of 8.88 km/s (Table A.1)). Because of the latter, and 

considering the requirement introduced by impulse-free passage both Venus and an 

asteroid, the spacecraft performs a flight, initially being outside the ecliptic plane 

(10.7 degrees of inclination of the spacecraft orbit on the Earth-Venus section). This 

naturally leads to an increase of ΔV0, but at the same time provides the fulfillment of 

the second part of the constraints (6). 

Note that the reduction of ΔV0 within this scenario occurs if we increase the 

flight time along the Venus-Venus section. In this case the optimal ΔV0 solution for 

the resonant 1:2 orbit (Fig. 6) may be obtained, in this case ΔV0 is 4.65 km/s at launch 

in 30.05.2042 (142 days flight between the Earth and Venus), the encounter with the 

comet occurs on 17.10.2043 at the relative velocity 36.7 km/s. However, even in this 

scenario ΔV0 is still high and exceeds the established first of the constraints (6). 

 

Fig. 7. Trajectory of the flight to Venus with the gravity assist maneuver and the passage of 

the 2P/Encke comet by the spacecraft in a resonant 1:2 orbit for mission launched at 30.05.2042 

Certainly, if the mission scenario would be similar, for example, to the Vega-1 

and Vega-2 missions, i.e. there would be no need to return the vehicle to Venus, it 

would not be difficult to find more suitable solutions for ΔV0, for example, the launch 

in 2039 allows to reach the 2P/Encke comet with the cost of 4.1 km/s for the Earth-
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Venus-2P/Encke scheme, and the flight by the Earth-Venus-2P/Encke scheme in 2034 

allows to reach the comet with ΔV0 = 3.78 km/s. However, in the considered case the 

main goal was to determine such trajectories that would ensure the return of the 

spacecraft to Venus after its flyby, so within the framework of this problem our 

solutions are still the most favorable.  

Thus, despite the fact that the cost value ΔV0 for the flight to Venus in the Earth-

Venus-Encke-Venus scenario exceeds the established limit of 4.5 km/s, but due to the 

unique opportunity to achieve simultaneously several important goals, such as landing 

on Venus and the study of the comet, this flight scenario becomes significantly 

relevant. 

6. Analysis of attainable landing points on the Venus surface within the 

considered scenarios 

Take a closer look to the results in terms of ensuring landing of the lander in 

the specific area on the surface of Venus while along with asteroid flyby. For this 

purpose, let us analyze available places for landing on the surface of Venus, which 

can be achieved during a flight along the trajectories including impulse-free encounter 

with an asteroid. 

In Table 3 the parameters of the landing circles are given for the launch 

windows in 2029 and 2031. These launch windows are chosen primarily because in 

2029-2031 it is planned to launch the spacecraft as part of the Venera-D mission. As 

part of this project a scenario with a gravity assist maneuver may be carried out to 

ensure landing in the required area on the surface of the planet [12,26]. Notice that 

trajectories of the spacecraft with a flyby of asteroids presented in Table 3 are shown 

in Appendix B at Fig. B1-B.6. 

Table 3. The parameters of the landing circles on the Venus surface resulting 

from the spacecraft flight on the trajectory, accompanied by impulse-free asteroid 

flyby (2029 - 2031). 

Launch 

year 
Asteroid name 

Landing 

date 

Vrk, 

km/s 
λC, deg φC, deg ψ, deg 
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θ= 

-6, deg 

θ= 

-12, 

deg 

θ= 

-24, 

deg 

θ= 

-27, 

deg 

2029 
2000 WB1 12.09.2030 6.16 -143.6 16.1 64 73 90 95 

2006 KE89 27.09.2030 4.31 -100.0 10.1 53 63 82 87 

2031 

2004 TG10 25.06.2032 6.19 -133.3 61.4 64 73 91 95 

4341 Poseidon 09.05.2032 3.56 -82.4 -19.0 47 57 78 83 

1996 FG3  04.07.2032 5.61 -95.2 8.1 61 70 88 93 

2002 SY50 31.03.2032 10.00 165.4 -10.3 78 86 101 105 

Note Vrk - asymptotic velocity of the spacecraft on return to Venus; λC - longitude of the landing 

circle center; φC - latitude of the landing circle center; longitude and latitude of the landing circle center are 

given in the planetocentric coordinate system; ψ - radius of the landing circle, θ - entry angle. 

The radius of the landing circle shown in the Table 3 can be calculated as 

follows [27]: 

 
( )

2
arccos arcsin / Venus

p

Entry

Entryr
r

L R
r V

tg p

e








 
 = + +
 + 

, (7) 

where pr ,p,e - radius of pericenter (km), semilatus rectum (km) and eccentricity of an 

approach hyperbolic trajectory of the spacecraft, 
,Entry Entryr

- entry angle (deg) and 

planetocentric distance (km) from the planet center to the point of the spacecraft entry 

into the atmosphere; L - shift of landing point relative to the point of entry into the 

atmosphere, km, 6051VenusR km= - mean radius of Venus, km. The value / VenusL R  is 

determined by numerical integration of the equations of motion of the lander in the 

dense layers of the atmosphere of Venus. In this work the trajectories were integrated 

by Runge-Kutta method (8) 9 order, the model of Venusian atmosphere was adopted 

from [28]. 

Figure 8 shows a surface map of Venus on which the landing circles, which 

can be achieved by the spacecraft flight using the scheme Earth-Venus-asteroid-

Venus, are drawn. The landing circles are plotted for an entry angle of –12 deg (Table 

3). 
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Fig. 8. Landing circles resulting from the spacecraft flight under the scheme Earth-Venus-asteroid-

Venus; landing circles is considered for the launch of mission to Venus in 2029 and 2031. 

It can be seen from Fig. 8 that passing the asteroids leads to the reduction of 

the number of available landing sites out of the whole set of attainable landing areas 

given in [12,29]. However, there may be a compromise between the choice of landing 

point, which has a sufficiently high scientific value, and the asteroid, the study of 

which also turns out to be possible. 

In addition to Table 3, let us provide the results for the launch windows from 

2032 to 2040 (see Table 4). This division into periods is based on the fact that the 

years from 2032 to 2040 are backups for the launch of the Venera-D mission [14,30] 

as well as other missions to Venus.  

Table 4. The parameters of the landing circles on the Venus surface resulting 

from the spacecraft flight on the trajectory, accompanied by impulse-free asteroid 

flyby (2032 – 2040). 

Launch 

year 
Asteroid name 

Landing 

date 

Vrk, 

km/s 
λC, deg φC, deg 

ψ, deg 

θ= 

-6, deg 

θ= 

-12, 

deg 

θ= 

-24, 

deg 

θ= 

-27, 

deg 

2032-

2033 

6063 Jason 13.03.2034 3.97 -156 1 50 60 80 85 

1685 Toro 12.11.2033 8.29 -173 -14 73 81 97 101 
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9162 Kwiila 04.12.2033 4.63 -110 0 55 65 84 88 

2P/Encke 04.03.2034 6.70 -20 -38 66 75 92 97 

2003 UC20 19.03.2034 7.73 24 -17 71 79 96 100 

139289 13.01.2034 8.84 160 78 75 83 98 102 

2034-

2035 

1998 KN3 26.06.2035 4.62 19 -32 55 65 84 88 

141484 12.07.2035 3.17 68 -13 44 54 75 80 

308043 13.08.2035 3.85 155 75 49 60 79 84 

1865 Cerberus 12.06.2035 8.86 166 -6 75 83 98 102 

9162 Kwiila 20.07.2035 6.85 -78 -38 67 76 93 97 

163243 18.08.2035 5.59 15 66 61 70 88 93 

4544 Xanthus 12.10.2035 7.52 -10 1 70 79 95 99 

2036 

159686 29.01.2037 7.70 -156 27 71 79 96 100 

5731 Zeus 05.05.2037 7.15 -52 -47 68 77 94 98 

154035 02.06.2037 8.19 33 20 72 81 97 101 

2037-

2038 

139289 22.10.2038 5.33 -11 36 59 69 87 92 

154276 18.09.2038 4.97 -114 -35 57 67 85 90 

141484 14.11.2038 4.91 -128 41 57 66 85 90 

194268 14.12.2038 6.20 -36 -9 64 73 91 95 

4197 Morpheus 28.12.2038 7.02 4 1 68 77 94 98 

184990 27.12.2038 6.99 4 -6 68 76 93 98 

2040 
1686 Toro 11.11.2041 7.93 -167 -19 71 80 96 100 

3554 Amun 16.11.2041 6.81 -152 65 67 76 93 97 

 

Table 4 shows that the number of available asteroids increases for the launch 

dates from 2032 to 2040, compared to the previously studied launch dates in 2029 

and 2031.  

Let us present the result of an analysis of the total reachable landing regions for 

the launch dates from 2029 to 2040. To do this, let us map the coordinates of the 

centers of the circles given in Tables 3 and 4 and in Fig. 9. 
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Fig. 9. Centers of landing circles in the planetocentric coordinate system (body 

fixed frame), obtained for the launch windows from 2029 to 2040. 

Fig. 9 shows the coordinates of the centers of the circles of landing obtained 

in the implementation obtained in this study the trajectories of spacecraft flight to 

Venus with asteroid flyby in the launch windows from 2029 to 2040. Hence, we can 

see that most of the surface of Venus is achieved when implementing the scheme of 

the spacecraft flight with a flyby both Venus and the asteroid. Note that most of the 

centers of the landing circles are in the western longitudes in the northern hemisphere 

of Venus, however, since the landing circle has a non-zero radius the most of the 

surface of Venus even in this case is reachable. Let us show in Fig. 10 the total 

attainable area of landing on the surface of Venus, plotted considering the data of 

Tables 3 and 4 for the entry angle of -12 deg. 
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Fig. 10 The total attainable landing area (a set of red lines) when using schemes 

of the spacecraft flight, including the Venus and the asteroid flyby, and the subsequent 

return to Venus 

Based on Fig. 10, it can be claimed that in almost any launch window for the 

flight to Venus there can be found such a trajectory of the spacecraft flight with the 

gravity assist maneuver, which includes an impulse-free encounter with an asteroid 

and at the same time satisfy the requirements to attain the selected landing site. 

Conclusions 

In this paper, the problem of constructing a flight scheme to Venus with a flyby 

of an asteroid and a subsequent landing on its surface was considered. Let us highlight 

the most important points of the research results: 

1. In the search for asteroids suitable for the study, 117 candidate asteroids from 

the NASA JPL catalog, whose diameter exceeds 1 km, were selected. However, 

when studying the possibility of their impulse-free passage by the spacecraft in 

the direct flight from the Earth to Venus for the launch dates from 2029 to 2050 

it was impossible to find a trajectory of the flight, satisfying, firstly, the 

requirement of impulse-free flyby of an asteroid, and secondly, with a duration 

in the limits corresponding to the trajectories of the second semi-turn. 
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2. As a result of the search for optimal flight trajectories of the spacecraft, it was 

found that fulfillment of the restrictions on the impulse-free passage of both 

Venus and an asteroid was reached if the spacecraft after the gravity assist of 

Venus goes to a resonant 1:1 orbit. This dependence was established through 

numerous numerical simulations of the flight trajectories. Only in two cases the 

above conclusion was violated, in the case of comet 2P/Encke flyby and in the 

case of the flyby 6063 Jason asteroid. Though the latter may be explained by the 

fact that the encounter with 6063 Jason occurrs when the inclination of the 

transfer trajectory is the same as Venus' orbit to the ecliptic. 

3. In the scenario of flight to Venus with a gravity assist and flight on a resonant 

1:1 orbit it was found 35 asteroids, the passage of which satisfies all of the 

outlined constraints (6). 

4. An example of a flight to Venus with a flyby of the 2P/Encke comet for a launch 

date in 2033 is shown, but it was turned out that such a mission is possible only 

if the launch impulse is at least 5.13 km/s. 

5. Analysis of attainable landing areas in the implementation of trajectories of the 

spacecraft flight to Venus with an impulse-free encounter with an asteroid, has 

demonstrated that in each of the launch windows it can be found a trajectory that 

satisfying both the requirement for an impulse-free passage of the asteroid, and 

return the lander to the desired point on the surface of Venus after a revolution 

of the spacecraft along the resonant 1:1 orbit. 

 

References 

[1] H.F. Levison, C.B. Olkin, K.S. Noll, S. Marchi, J.F. Bell III, E. Bierhaus, R. 

Binzel, W. Bottke, D. Britt, M. Brown, others, Lucy mission to the Trojan 

asteroids: Science goals, Planet. Sci. J. 2 (2021) 171. 

[2] J. Veverka, P. Thomas, A. Harch, B. Clark, J.F. Bell, B. Carcich, J. Joseph, C. 

Chapman, W. Merline, M. Robinson, others, NEAR’s flyby of 253 Mathilde: 

Images of a C asteroid, Science (80-. ). 278 (1997) 2109–2114. 

https://doi.org/10.1126/science.278.5346.2109. 

[3] J. Veverka, P. Thomas, A. Harch, B. Clark, J.F. Bell III, B. Carcich, J. Joseph, 

S. Murchie, N. Izenberg, C. Chapman, others, NEAR encounter with asteroid 

253 Mathilde: overview, Icarus. 140 (1999) 3–16. 

https://doi.org/10.1006/icar.1999.6120. 



27 

[4] M.J.S. Belton, C.R. Chapman, K.P. Klaasen, A.P. Harch, P.C. Thomas, J. 

Veverka, A.S. McEwen, R.T. Pappalardo, Galileo’s encounter with 243 Ida: An 

overview of the imaging experiment, Icarus. 120 (1996) 1–19. 

https://doi.org/10.1006/icar.1996.0032. 

[5] C.C. Porco, E. Baker, J. Barbara, K. Beurle, A. Brahic, J.A. Burns, S. Charnoz, 

N. Cooper, D.D. Dawson, A.D. Del Genio, others, Cassini imaging science: 

Initial results on Phoebe and Iapetus, Science (80-. ). 307 (2005) 1237–1242. 

https://doi.org/10.1126/science.1107981. 

[6] S.A. Stern, H.A. Weaver, J.R. Spencer, H.A. Elliott, The New Horizons Kuiper 

Belt Extended Mission, Space Sci. Rev. 214 (2018). 

https://doi.org/10.1007/s11214-018-0507-4. 

[7] N. Eismont, I. Kovalenko, V. Nazarov, F. Korotkov, M. Pupkov, V. Zubko, A. 

Poghodin, P. Mzhelskiy, E. Mikhailov, A. Ditrikh, others, Orbital and Attitude 

Control of Spectr-RG Observatory Under Technical Constraints, in: Sp. Oper., 

Springer, 2022: pp. 541–558. 

[8] N.A. Eismont, M. V Pupkov, V.A. Zubko, K.S. Fedyaev, A.A. Belyaev, N.A. 

Simbiryov, R.R. Nazirov, Extension of the earth libration point missions by 

targeting a spacecraft to near-earth asteroids, in: 7th IAA Planet. Def. Conf., 

2021: p. 96. 

[9] V. Zubko, The fastest routes of approach to dwarf planet Sedna for study its 

surface and composition at the close range, Acta Astronaut. 192 (2022) 47–67. 

https://doi.org/10.1016/j.actaastro.2021.12.011. 

[10] V.A. Zubko, A.A. Sukhanov, K.S. Fedyaev, V.V. Koryanov, A.A. Belyaev, 

Analysis of mission opportunities to Sedna in 2029–2034, Adv. Sp. Res. 68 

(2021). https://doi.org/10.1016/j.asr.2021.05.035. 

[11] G. Baskaran, A.S. Bonthalapati, J.D. Lewis, K.J. Malone, H.M. Ved, J.E. Lyne, 

A Survey of Mission Opportunities to Trans-Neptunian Objects - Part IV, in: 

AIAA/AAS Astrodyn. Spec. Conf., American Institute of Aeronautics and 

Astronautics, Reston, Virginia, 2014: p. 296. https://doi.org/10.2514/6.2014-

4353. 

[12] N. Eismont, V. Zubko, A. Belyaev, K. Fedyaev, L. Zasova, D. Gorinov, A. 

Simonov, R. Nazirov, Expansion of landing areas on the Venus surface using 

resonant orbits in the Venera-D project, Acta Astronaut. 197 (2022) 310–322. 

https://doi.org/10.1016/j.actaastro.2022.03.014. 

[13] D. Johnson, Z. Crum, G. Mitchell, S. Walters, A. Dalton, B. Davis, B. 

Dolmovich, M. Green, A. Williams, G. Wise, others, A Survey of Mission 

Opportunities to Trans-Neptunian Objects, Part VI: A Search For Multi-Target 

Missions, Adv. Astronaut. Sci. 171 (2020) 71–83. 

[14] N.A. Eismont, L. V. Zasova, A. V. Simonov, I.D. Kovalenko, D.A. Gorinov, 

A.S. Abbakumov, S.A. Bober, Venera-D Mission Scenario and Trajectory, Sol. 

Syst. Res. 53 (2019) 578–585. https://doi.org/10.1134/S0038094619070062. 



28 

[15] J.B. Garvin, S.A. Getty, G.N. Arney, N.M. Johnson, E. Kohler, K.O. Schwer, 

M. Sekerak, A. Bartels, R.S. Saylor, V.E. Elliott, others, Revealing the 

Mysteries of Venus: The DAVINCI Mission, Planet. Sci. J. 3 (2022) 117. 

[16] S. Smrekar, M. Dyar, S. Hensley, J. Helbert, others, VERITAS (Venus 

Emissivity, Radio Science, InSAR, Topo-graphy And Spectroscopy): A 

Proposed Discovery Mission, in: AAS/Division Planet. Sci. Meet. Abstr. 48, 

2016: pp. 207–216. 

[17] T. Widemann, R. Ghail, C.F. Wilson, D. V Titov, EnVision: Europe’s proposed 

mission to Venus, in: Agu Fall Meet. Abstr., 2020: pp. P022--02. 

[18] T. Eltaeib, A. Mahmood, Differential evolution: A survey and analysis, Appl. 

Sci. 8 (2018). https://doi.org/10.3390/app8101945. 

[19] M.A. Bhatti, Practical Optimization Methods, Springer New York, New York, 

NY, 2000. https://doi.org/10.1007/978-1-4612-0501-2. 

[20] L.S. Glaze, C.F. Wilson, L. V. Zasova, M. Nakamura, S. Limaye, Future of 

Venus Research and Exploration, Space Sci. Rev. 214 (2018). 

https://doi.org/10.1007/s11214-018-0528-z. 

[21] V. Porubcan, L. Kornoš, I.P. Williams, The Taurid complex meteor showers 

and asteroids, Contrib. Astron. Obs. Skaln. Pleso. 36 (2006) 103–117. 

[22] C.-H. Lin, W.-H. Ip, Z.-Y. Lin, Y.-C. Cheng, H.-W. Lin, C.-K. Chang, 

Photometric survey and taxonomic identifications of 92 near-Earth asteroids, 

Planet. Space Sci. 152 (2018) 116–135. 

[23] H.F. Levison, D. Terrell, P.A. Wiegert, L. Dones, M.J. Duncan, On the origin 

of the unusual orbit of Comet 2P/Encke, Icarus. 182 (2006) 161–168. 

[24] Z. Sekanina, Encke, the comet, J. R. Astron. Soc. Canada. 85 (1991) 324–376. 

[25] F.L. Whipple, A comet model. I. The acceleration of Comet Encke, Astrophys. 

J. 111 (1950) 375–394. 

[26] V.A. Zubko, Possible Flight Trajectories to Venus with Landing in a Given 

Region, Astron. Lett. 48 (2022) 761–774. 

https://doi.org/10.1134/S1063773722110123. 

[27] N.A. Eismont, V. Koryanov, K.S. Fedyaev, S.A. Bober, V.A. Zubkov, A.A. 

Belyaev, On the possibility of expanding the landing areas within the 

VENERA-D project by selecting launch windows, in: AIP Conf. Proc., 2021. 

https://doi.org/10.1063/5.0037426. 

[28] B. Petropoulos, Physical parameters of the atmosphere of Venus, Earth, Moon 

Planets. 42 (1988). https://doi.org/10.1007/BF00118037. 

[29] N.A. Eismont, R.R. Nazirov, K.S. Fedyaev, V.A. Zubko, A.A. Belyaev, L. V 

Zasova, D.A. Gorinov, A. V Simonov, Resonant orbits in the problem of 

expanding accessible landing areas on the Venus surface, Astron. Lett. 47 

(2021) 316–330. 



29 

[30] L. V. Zasova, D.A. Gorinov, N.A. Eismont, I.D. Kovalenko, A.S. Abbakumov, 

S.A. Bober, Venera-D: A Design of an Automatic Space Station for Venus 

Exploration, Sol. Syst. Res. 53 (2019). 

https://doi.org/10.1134/S0038094619070244. 

[31] D. Izzo, Revisiting Lambert’s problem, Celest. Mech. Dyn. Astron. 121 (2015) 

1–15. https://doi.org/10.1007/s10569-014-9587-y. 

[32] A.A. Sukhanov, Universal solution of Lambert’s problem., Cosm. Res. 26 

(1989) 415–423. 

[33] G.R. Hintz, Fundamentals of Astrodynamics, in: Orbital Mech. Astrodyn., 

Springer International Publishing, Cham, 2015: pp. 1–21. 

https://doi.org/10.1007/978-3-319-09444-1_1. 

 



30 

APPENDIX A. PARAMETERS OF TRAJECTORIES TO VENUS WITH ASTEROID FLYBY 

This appendix contains the parameters of the trajectories of the spacecraft flight to Venus with an impulse-free passage of the asteroid 

between two subsequent approaches of Venus for the launch dates from 2029 to 2050. 

Table A.1 – Selected characteristics of the flight trajectories of the spacecraft to Venus with gravity assist maneuver and asteroid 

flyby 

Launch 

year 

Designation 

of asteroid 

in JPL 

catalogueue 

Celestial body name 
Launch 

date 

Date of Venus 

flyby 

Date of 

asteroid flyby 

Date of 

landing on the 

Venus surface 

ΔV0, 

km/s 

Pericenter 

height (at 

Venus 

flyby), 

103 km 

Asymptotic 

velocity of 

spacecraft 

during 

Venus 

flyby, km/s 

Asymptotic 

velocity of 

spacecraft 

during 

asteroid 

flyby, km/s 

Inclination 

of 

spacecraft 

orbit on 

Venus-

Venus 

route to 

ecliptic, 

deg 

2029 
2153195 153195 (2000 WB1) 19.10.2029 30.01.2030 02.06.2030 12.09.2030 3.83 8.67 6.16 28.72 5.49 

2184990 184990 (2006 KE89) 28.10.2029 14.02.2030 08.04.2030 27.09.2030 3.87 12.23 4.31 42.52 3.67 

2031 

3256324 2004 TH10 19.05.2031 19.08.2031 06.10.2031 31.03.2032 4.21 10.83 10.00 34.04 5.71 

2004341 4341 Poseidon (1987 KF) 19.05.2031 13.11.2031 09.01.2032 25.06.2032 4.31 0.50 6.19 19.38 11.77 

2154276 154276 (2002 SY50) 21.05.2031 27.09.2031 25.12.2031 09.05.2032 3.82 12.67 3.56 17.73 2.39 

2175706 1996 FG3 23.05.2031 22.11.2031 19.03.2032 04.07.2032 3.76 24.24 5.61 6.66 4.11 

2032-33 

2006063 6063 Jason (1984 KB) 21.11.2032 09.05.2033 05.11.2033 14.03.2034 3.96 0.50 3.97 17.49 3.40 

2001685 1685 Toro (1948 OA) 23.12.2032 01.04.2033 31.07.2033 12.11.2033 4.09 16.74 8.29 11.70 5.55 

2009162 9162 Kwiila (1987 OA) 29.12.2032 23.04.2033 07.07.2033 04.12.2033 3.66 28.82 4.63 17.17 3.40 

1000025 2P/Encke 29.01.2033 02.06.2033 22.08.2033 13.01.2034 5.13 14.08 8.88 30.72 12.20 

2363505 2003 UC20 31.01.2033 23.07.2033 20.10.2033 04.03.2034 3.86 18.70 6.70 8.08 5.58 

2139289 139289 (2001 KR1) 15.02.2033 06.08.2033 21.01.2034 19.03.2034 3.88 33.51 7.73 38.96 2.09 

2034 
2387505 1998 KN3 28.04.2034 14.11.2034 15.01.2035 26.06.2035 4.18 0.50 4.62 35.04 1.00 

2141484 141484 (2002 DB4) 04.06.2034 29.11.2034 11.03.2035 12.07.2035 3.86 1.35 3.17 15.09 2.16 
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3256325 2005 TG10 03.07.2034 31.12.2034 23.03.2035 13.08.2035 3.88 15.87 3.85 34.05 8.02 

2001865 1865 Cerberus (1971 UA) 17.07.2034 31.10.2034 14.01.2035 12.06.2035 4.05 26.01 8.82 13.66 2.70 

2009162 9162 Kwiila (1987 OA) 21.07.2034 08.12.2034 18.04.2035 21.07.2035 3.99 4.00 6.85 22.21 3.91 

2163243 163243 (2002 FB3) 31.07.2034 05.01.2035 21.02.2035 18.08.2035 4.26 6.22 5.58 25.94 10.01 

2004544 4544 Xanthus (1989 FB) 15.09.2034 02.03.2035 23.06.2035 13.10.2035 3.80 17.15 7.53 12.78 3.10 

2036 

2159686 159686 (2002 LB6) 06.03.2036 18.06.2036 23.08.2036 29.01.2037 3.84 26.20 7.71 20.83 2.78 

2005731 5731 Zeus (1988 VP4) 06.03.2036 22.09.2036 27.10.2036 04.05.2037 4.00 9.21 7.15 14.10 5.21 

2154035 154035 (2002 CV59) 30.04.2036 20.10.2036 12.04.2037 01.06.2037 3.90 7.91 8.19 38.73 7.05 

2037-38 

2139290 139289 (2001 KR1) 26.09.2037 11.03.2038 15.04.2038 22.10.2038 3.87 0.97 5.33 37.05 3.80 

2154277 154276 (2002 SY50) 21.10.2037 06.02.2038 05.07.2038 18.09.2038 3.82 30.89 4.97 23.00 5.10 

2194268 2001 UY4 18.11.2037 04.05.2038 13.07.2038 14.12.2038 3.80 24.66 6.21 29.77 4.36 

2004197 4197 Morpheus (1982 TA) 28.11.2037 17.05.2038 21.10.2038 28.12.2038 3.92 34.94 7.02 23.52 3.09 

2184991 184990 (2006 KE89) 29.11.2037 17.05.2038 01.12.2038 27.12.2038 3.91 30.92 6.99 47.44 3.86 

2040 
2001686 1686 Toro (1948 OA) 20.12.2040 31.03.2041 29.07.2041 11.11.2041 4.06 12.29 7.95 12.01 6.70 

2003554 3554 Amun (1986 EB) 20.12.2040 05.04.2041 30.06.2041 16.11.2041 4.33 0.50 6.80 21.30 8.45 

2042 

2154278 154276 (2002 SY50) 08.06.2042 06.12.2042 18.02.2043 19.07.2043 3.86 8.42 2.96 22.55 1.81 

2141485 141484 (2002 DB4) 15.06.2042 15.12.2042 28.02.2043 28.07.2043 3.87 6.65 3.12 19.72 7.27 

2138013 138013 (2000 CN101) 30.06.2042 16.12.2042 13.05.2043 29.07.2043 4.00 0.50 3.65 20.60 3.30 

2184992 184990 (2006 KE89) 30.06.2042 19.01.2043 20.03.2043 31.08.2043 4.09 5.21 5.78 36.33 8.31 

2003554 3555 Amun (1986 EB) 25.07.2042 16.01.2043 27.05.2043 29.08.2043 3.83 28.34 5.02 18.42 5.05 

2001862 1862 Apollo (1932 HA) 06.08.2042 23.10.2042 31.01.2043 05.06.2043 4.40 2.66 11.49 25.30 8.34 

2184993 184990 (2006 KE89) 15.08.2042 19.01.2043 20.03.2043 01.09.2043 3.99 21.53 5.81 36.36 8.30 

2066146 1998 TU3 23.08.2042 22.01.2043 06.05.2043 04.09.2043 4.12 4.63 6.38 21.04 3.34 

2055532 55532 (2001 WG2) 25.08.2042 23.12.2042 09.03.2043 04.08.2043 4.33 6.09 6.39 32.85 7.59 

2004769 4769 Castalia (1989 PB) 30.08.2042 06.03.2043 01.06.2043 17.10.2043 4.08 13.07 8.49 13.72 4.20 

1000026 2P/Encke 30.09.2042 11.04.2043 17.07.2043 22.11.2043 5.25 0.51 11.85 25.10 11.10 
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2006064 6064 Jason (1984 KB) 20.10.2042 03.04.2043 20.09.2043 14.11.2043 4.11 30.64 9.40 15.29 2.54 

2044 
2363506 2004 UC20 24.03.2044 13.09.2044 05.11.2044 26.04.2045 3.66 24.69 6.01 11.74 3.10 

2003554 3556 Amun (1986 EB) 29.06.2044 07.12.2044 25.04.2045 20.07.2045 4.49 5.59 11.81 16.09 7.63 

2045 
2004486 Mithra (1987 SB) 04.10.2045 14.03.2046 12.05.2046 25.10.2046 3.81 2.52 5.47 15.14 3.04 

2066147 1999 TU3 20.10.2045 30.03.2046 17.08.2046 09.11.2046 3.61 30.01 4.97 15.66 2.56 

2047 
2153196 153195 (2000 WB1) 26.05.2047 13.11.2047 13.01.2048 24.06.2048 3.67 18.25 4.99 29.85 5.90 

2003753 3753 Cruithne (1986 TO) 07.06.2047 23.08.2047 23.10.2047 04.04.2048 4.30 0.50 8.89 20.05 11.17 

2048-49 

2139345 139345 (2001 KA67) 08.11.2048 22.04.2049 23.09.2049 03.12.2049 4.42 0.50 7.46 23.78 6.48 

2154279 154276 (2002 SY50) 12.12.2048 13.06.2049 22.08.2049 24.01.2050 3.87 15.37 4.45 20.96 4.13 

2001687 1687 Toro (1948 OA) 15.12.2048 29.03.2049 26.07.2049 08.11.2049 4.07 6.14 7.80 12.71 8.83 

2001687 1688 Toro (1948 OA) 01.01.2049 28.03.2049 22.07.2049 08.11.2049 4.26 0.50 8.54 13.72 11.22 

2154280 154276 (2002 SY50) 07.01.2049 15.06.2049 21.08.2049 26.01.2050 3.94 5.22 4.57 21.15 4.25 

2050 

2138014 138013 (2000 CN101) 22.08.2050 08.02.2051 06.06.2051 20.09.2051 3.77 18.42 6.55 23.80 5.47 

2003360 3360 Syrinx (1981 VA) 11.06.2050 10.12.2050 10.03.2051 22.07.2051 3.85 13.44 3.01 25.70 7.39 

2003360 3360 Syrinx (1981 VA) 10.08.2050 28.01.2051 04.03.2051 10.09.2051 3.79 8.81 5.91 28.70 4.75 
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APPENDIX B. TRAJECTORIES OF THE SPACECRAFT FLIGHT TO VENUS 

WITH AN ASTEROID ENCOUNTER AFTER VENUS FLYBY 

This appendix contains the picture of trajectories of the spacecraft to the asteroids 

outlined in Table 3. 

 
Fig. B.1 Trajectory of spacecraft (SC) to Venus with flyby of asteroid 2000 WB1 after 

Venus gravity assist and subsequent landing at 12.09.2030. X, Y, Z are the axis of 

heliocentric ecliptic frame 

 

 
Fig. B.2 Trajectory of spacecraft to Venus with flyby of asteroid 2000 WB1 after 

Venus gravity assist and subsequent landing at 27.09.2030 
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Fig. B.3 Trajectory of spacecraft to Venus with flyby of asteroid 2004 TH10 after 

Venus gravity assist and subsequent landing at 31.03.2032 

 

 
Fig. B.4 Trajectory of spacecraft to Venus with flyby of asteroid 4341 Poseidon after 

Venus gravity assist and subsequent landing at 25.06.2032 
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Fig. B.5 Trajectory of spacecraft to Venus with flyby of asteroid 1996 FG3 after 

Venus gravity assist and subsequent landing at 04.07.2032 

 

 
Fig. B.6 Trajectory of spacecraft to Venus with flyby of asteroid 2002 SY50 after 

Venus gravity assist and subsequent landing at 09.05.2032 
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ABSTRACT

We couple the DELPHI framework for galaxy formation with a model for the escape of ionizing photons to study

both its variability with galaxy assembly and the resulting key reionization sources. In this model, leakage either

occurs through a fully ionized gas distribution (ionization bounded) or additionally through channels cleared of gas

by supernova explosions (ionization bounded + holes). The escape fraction is therefore governed by a combination

of the density and star formation rate. Having calibrated our star formation efficiencies to match high-z observables,

we find the central gas density to regulate the boundary between high ( >∼ 0.70) and low ( <∼ 0.06) escape fractions.

As galaxies become denser at higher redshifts, this boundary shifts from Mh ' 109.5M� at z ∼ 5 to Mh ' 107.8M�
at z ∼ 15. While leakage is entirely governed through holes above this mass range, it is not affecting general trends

for lower masses. We find the co-evolution of galaxy assembly and the degree of leakage to be mass and redshift

dependent, driven by an increasing fraction of fesc
<∼ 0.06 galaxies at increasing mass and redshift. The variability in

the escape of ionizing photons is driven by the underlying variations in our dark matter assembly histories. Galaxies

with Mh
<∼ 107.9 (108.9)M� provide half of the escaping ionizing emissivity by z ∼ 10 (5) in the ionization bounded

model. On the other hand, galaxies that purely leak through holes contribute 6 (13)% at z ∼ 5 (15). Reionization

ends slightly (∼ 50Myr) earlier in the ionization bounded + holes model, leaving the overall shape of the reionization

history unaffected. We end by exploring the impact of two reionization feedback scenarios, in which we suppress the

gas content of galaxies with Tvir < 20000K and vc < 30kms−1 residing in ionized regions.

Key words: galaxies : high-redshift, formation, evolution, intergalactic medium – cosmology: reionization

1 INTRODUCTION

The appearance of the first galaxies at z ∼ 20 − 30 led
to the production of Lyman Continuum (LyC; with energy
> 13.6ev) photons which gradually ionized the hydrogen in
the intergalactic medium (IGM; Barkana & Loeb 2001; Dayal
& Ferrara 2018) within the first billion years. This last ma-
jor phase transition of all of the hydrogen in the IGM is
termed the epoch of reionization (EoR). Analyses of high-
redshift Quasar spectra indicate that hydrogen reionization
nears completion by z ∼ 6 (e.g. Fan et al. 2006; Becker et al.
2015; Eilers et al. 2018; Becker et al. 2021) and hint to-
wards the EoR being a very patchy process (e.g. Davies &
Furlanetto 2016; Eilers et al. 2018). Additional constraints
are derived from the Cosmic Microwave background (CMB)
electron scattering optical depth (e.g. Planck Collaboration
et al. 2020) and Lyman Alpha emitters (LAEs; e.g. Stark
et al. 2010; Pentericci et al. 2011; Curtis-Lake et al. 2012;
Schenker et al. 2014; De Barros et al. 2017).

There is growing consensus that star-forming galaxies dom-
inate the photon budget for reionization (e.g. Robertson et al.

? bremer@astro.rug.nl

2015; Dayal et al. 2020; Naidu et al. 2020; Trebitsch et al.
2022) with black-hole powered Active Galactic Nuclei (AGN)
playing a minor role over the bulk of the EoR (e.g. Becker &
Bolton 2013; D’Aloisio et al. 2017; Mitra et al. 2018; Kulkarni
et al. 2019; Dayal et al. 2020). However, a key unknown in-
volved in all such calculations concerns the “escape fraction”
of LyC photons that can escape into the IGM (fesc).

Several efforts have been made to observationally constrain
fesc through direct detection of the LyC emission at low to
intermediate redshifts. Local to low redshift (z <∼ 0.45) ob-
servations yield values of fesc that range between ∼ 2− 73%
(Leitet et al. 2011, 2013; Izotov et al. 2016a,b, 2018a,b, 2021).
Intermediate redshift observations (z ∼ 2.5− 4) yield a simi-
larly wide range of value such that fesc ∼ 15− 60% (Shapley
et al. 2016; Vanzella et al. 2016; Bian et al. 2017; Vanzella
et al. 2018; Fletcher et al. 2019) although, as might be ex-
pected, stacking of non-detections up to z ∼ 3.5 leads to lower
upper limits of fesc

<∼ 7% (Rutkowski et al. 2017; Grazian
et al. 2017; Naidu et al. 2018; Saxena et al. 2021). Finally, 7
gravitationally lensed galaxies at 4 < z < 5 have been used
to infer fesc ' 19% (Leethochawalit et al. 2016). Directly de-
tecting LyC emission at higher-redshifts is unfeasible due the
elevated opacity of an increasingly neutral IGM. Therefore at
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2 Bremer & Dayal

higher redshifts, fesc determinations rely on indirect methods
such as nebular emission signatures (e.g. Anders & Fritze-v.
Alvensleben 2003; Zackrisson et al. 2013; Nakajima & Ouchi
2014; Izotov et al. 2021) or the Lyman Alpha line profile (e.g.
Verhamme et al. 2015, 2017; Izotov et al. 2021).

The dependence of fesc on physical properties such as the
stellar mass too remains a matter of debate: while some works
indicate a possible decline of fesc with stellar mass (Fletcher
et al. 2019; Saxena et al. 2021), others find no evidence for
such a relation (Izotov et al. 2021). Interpreting such trends
however remains challenging in light of model dependencies,
source-to-source variation, poor statistics, and IGM line of
sight effects. The low success rate of LyC detections and the
large scatter in the observed estimates hint at the impor-
tance of other effects such as directional leakage and time
variability. A growing body of work has also focused on sim-
ulating fesc using a multitude of approaches. These include
hydrodynamic simulations (Gnedin et al. 2008; Wise & Cen
2009; Kimm & Cen 2014; Wise et al. 2014; Ma et al. 2015;
Paardekooper et al. 2015; Xu et al. 2016; Kimm et al. 2017;
Trebitsch et al. 2017; Lewis et al. 2020), constraining the
global averaged escape fraction by matching the observed
reionization history using analytically inclined approaches
(e.g. Inoue et al. 2006; Robertson et al. 2013, 2015; Mitra
et al. 2015; Sharma et al. 2016; Dayal et al. 2017, 2020; Naidu
et al. 2020) or using analytic models (Fernandez & Shull 2011;
Benson et al. 2013; Ferrara & Loeb 2013). While most of these
works find fesc to decline with halo mass, a number find the
opposite trend (Gnedin et al. 2008; Sharma et al. 2016; Naidu
et al. 2020).

Simulating fesc has remained a particularly challenging is-
sue because of complexities such as the fact that the bulk
of LyC photons are absorbed in the vicinity of the newly
born stars at the molecular cloud scale (Ma et al. 2015;
Paardekooper et al. 2015; Kimm et al. 2017; Trebitsch et al.
2017) and the poorly understood role of binary stars (e.g Ma
et al. 2016), runaway OB stars (e.g Kimm & Cen 2014; Ma
et al. 2015) and the initial mass function (IMF; e.g Wise &
Cen 2009). The exact leakage mechanism (e.g. the role of
Supernova versus photoionization feedback) too remains de-
bated (Trebitsch et al. 2017; Kimm et al. 2017). Indeed, if
low-density channels created by Supernovae (SN) explosions
are the key escape mechanism, one must account for the time
delay between ionizing photon production and escape (e.g.
Ferrara & Loeb 2013; Ma et al. 2015; Kimm et al. 2017). Fi-
nally, the stochastic nature of the star formation process and
its co-evolution with the structure of the interstellar medium
(ISM) leads to an escape fraction that can fluctuate between
0 and 100% on ∼ 10 Myr time scales (Wise & Cen 2009; Wise
et al. 2014; Ma et al. 2015; Kimm et al. 2017; Trebitsch et al.
2017) and is highly non-isotropic (Gnedin et al. 2008; Wise
& Cen 2009; Wise et al. 2014; Ma et al. 2015; Paardekooper
et al. 2015; Trebitsch et al. 2017), with galaxies with larger
escape fractions leaking more extensively on larger angular
scales (e.g Paardekooper et al. 2015).

This work aims to address issues including: (i) the depen-
dence of fesc on intrinsic galaxy properties; (ii) the time evo-
lution of leakage concurrent with galaxy assembly; and (iii)
understanding the key sources responsible for reionization.
To answer these questions, we combine the semi-analytical
framework Delphi for high-z (z > 4.5) galaxy formation,
with an analytic model for the evolution of ionization fronts

within the ISM of galaxies (Ferrara & Loeb 2013). The
strength of this semi-analytic approach lies in that it enables
us to study the coupling between high-redshift galaxy assem-
bly and the associated escape fraction (and its time evolution)
across a large dynamic range in mass.

In this work, we use the following cosmological parameters
(Ωm,ΩΛ,Ωb, h, ns, σ8) = (0.3111, 0.6889, 0.049, 0.68, 0.97,
0.81 Planck Collaboration et al. 2020) where Ωm,ΩΛ,Ωb in-
dicate the cosmological density parameters for matter, Dark
Energy and baryons, respectively, h is the Hubble value, ns
is the spectral index of the initial density perturbations and
σ8 represents the root mean square of density fluctuations on
scales of 8h−1 cMpc. All quantities are expressed in comoving
units unless mentioned otherwise.

This paper is structured as follows: we start by explaining
our theoretical model in Sec. 2, followed by Sec. 3 in which we
address fesc trends with galaxy properties, its time evolution
and its variability. The implications of these results in the
context of reionization are discussed in Sec. 4 and we conclude
in Sec. 5.

2 THEORETICAL MODEL

In this work we use the semi-analytical framework Delphi
(Dark Matter and the emergence of galaxies in the epoch of
reionization; Dayal et al. 2014), designed to jointly track the
dark matter and baryonic assembly of high-redshift (z >∼ 4.5)
galaxies. We couple this framework with a model that de-
scribes the leakage of hydrogen ionizing photons, as detailed
in what follows.

2.1 The Semi-analytic framework

We briefly describe the Delphi model whose complete de-
tails can be found in Dayal et al. (2014). We start by us-
ing the modified binary merger tree algorithm described in
Parkinson et al. (2008) to build merger trees for 550 galaxies
at z = 4.5 uniformly distributed in the halo mass range of
log(Mh/M�) = 7.5− 13 with a resolution of Mres = 107M�.
These merger trees are built up to z ∼ 40 in equal time-steps
of 30Myr so that all type II supernovae (SNII) from a given
stellar population explode within a time-step (Padovani &
Matteucci 1993). Each z = 4.5 parent halo is assigned a co-
moving number density by matching to the z = 4.5 Sheth-
Tormen halo mass function (HMF; Sheth & Tormen 1999)
and this number density is propagated throughout the merger
tree of that halo. We have checked that the resulting HMFs
are in agreement with the Sheth-Tormen one at all redshifts.

In terms of the baryonic physics, the first progenitors
(starting leaves) of any galaxy are assigned an initial gas mass
M i
g(t) = (Ωb/Ωm)Mh(t); this assumes that these halos have

a gas-to-dark matter fraction equal to the cosmological one.
However, for galaxies that have progenitors, the initial gas
mass is the sum of the gas mass smoothly accreted from the
IGM and the final gas mass brought in by its merging progen-
itors (accounting for star formation and SN feedback). The
accreted gas mass is computed assuming that accreted dark
matter drags in a cosmological gas mass fraction.

The fraction of the initial gas mass transformed into stars
is set by the effective star formation efficiency which is a
minimum between the efficiency required to unbind the rest
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Modelling fesc in the EoR 3

Figure 1. Calibrated UV Luminosity Function at z ∼ 5 − 10 (magenta lines) for which we have used f∗ = 0.03 and fw = 0.10. The

data points represent observational estimates, collected from the following works (Atek et al. 2015; Bouwens et al. 2010, 2011, 2015, 2016,
2017; Bowler et al. 2014, 2015; Castellano et al. 2010; Ishigaki et al. 2018; Livermore et al. 2017; McLure et al. 2010, 2013; McLeod et al.

2016; Oesch et al. 2010, 2013, 2014).

of the gas (fej
∗ ) up to a maximum threshold (f∗), i.e. feff

∗ =
min[fej

∗ , f∗]. Low-mass galaxies are feedback limited and form
stars with an efficiency feff

∗ = fej
∗ while massive systems that

are able to retain their gas mass form stars at feff
∗ = f∗. As

might be expected, fej
∗ depends on the fraction of SNII energy

that can couple to the ISM gas (fw). Our model therefore has
only two mass- and redshift-independent free parameters (fw
and f∗).

Throughout this work we assume a Salpeter initial mass
function (Salpeter 1955) between 0.1 − 100M�. We assume
each new stellar population to have a metallicity of Z =
0.05Z� and an age of t0 = 2 Myr to compute its spectrum
using the stellar population synthesis code STARBURST99
(Leitherer et al. 1999). We tune our free parameters f∗ and fw
to simultaneously match the evolving observed Ultra-violet
luminosity function (UVLF) and stellar mass function (SMF)
at high-z (z ∼ 5 − 10). Given that we are not correcting for
possible effects such as dust attenuation when tuning our
model to observations, we emphasize that our free parame-
ters can be viewed as observed ones. Calibrating our model
roughly requires values of f∗ = 0.03 and fw = 0.10. The re-
sulting UVLFs and SMFs are shown in Fig. 1 and 2. We note
a slight over-prediction in the number density of the rarest
brightest z <∼ 6 galaxies, which might be a consequence of
ignoring the effects of dust, that likely increases with time
for massive galaxies. Finally, within our fitting range to the

observed data (MUV
>∼ − 23), the AGN contribution to the

UVLF is likely subdominant (e.g Ono et al. 2018).

2.2 The redshift and mass evolution of the central
gas density and density profile

We start with the Ansatz that each dark matter halo follows
a Navarro-Frenk-White (NFW) density profile (Navarro et al.
1996). This is characterized by a shallow inner (∝ r−1) and a
steeper (∝ r−3) outer density profile; the transition between
these regimes is determined by the break radius rs = rvirc

−1
h

where rvir is the virial radius and ch is the concentration
parameter. We use the analytical approximation for ch as
a function of mass and redshift obtained from Prada et al.
(2012). In particular, we use Eq. 12-23 from their work to
compute ch, and make the assumption that these relations
hold below the mass range probed in their work. Further,
assuming baryons to be distributed as an isothermal spherical
cloud in hydrostatic equilibrium, the gas density profile can
be written as (Makino et al. 1998)

ρg(x) = ρoe
−γ2V 2

(1 + chx)
γ2V 2

xch . (1)

Here, x = r/rvir, ρo is the central gas density and γ2 =
2ch/F (ch) where F (ch) = ln(1 + ch)− ch/(ch + 1). Further,
V 2 = Tvir/Tgas with Tvir and Tgas representing the virial and
gas temperatures, respectively. Requiring that the integrated
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4 Bremer & Dayal

Figure 2. Calibrated Stellar Mass Function at z ∼ 5−8 (magenta
lines) for which we have used f∗ = 0.03 and fw = 0.10. The

data points represent observational estimates, collected from the

following works (Duncan et al. 2014; González et al. 2011; Song
et al. 2016).

density adds up to the initial gas mass, the central gas density
can be written as

ρog =
M i
ge
γ2V 2

4πr3
vir

[∫ 1

0

x2(1 + chx)
γ2V 2

xch dx

]−1

. (2)

At any radius, the gas mass density can be translated to a hy-
drogen number density such that nH(x) = 0.92ρg(x)[µmp]

−1,
with µ = 1.22 being the mean molecular weight of a neutral
primordial gas composed of H and He (Barkana & Loeb 2001)
and 0.92 represents the fraction of hydrogen atoms1. In the
fiducial model, we further assume that Tgas = min[Tvir, 2 ×
104K]. This results in a situation where low-mass galaxies
(with Tvir < 2 × 104K) have a value of V 2 = 1 while for
high mass galaxies V 2 keeps rising since Tgas saturates at
2× 104K2.

In panel (a) of Fig. 3 we show the resulting central hy-
drogen gas number density n0

H as a function of halo mass
and redshift as obtained from Delphi. As seen, assuming
Tgas = Tvir results in a value of n0

H that remains roughly con-
stant (increases by a factor of ∼ 3) over Mh = 108−9M� at
z ∼ 5 (15). However, in the fiducial model, n0

H increases by
∼ 2 (3) orders of magnitude at z ∼ 5 (15) which is driven by
the increase in the V 2 term (Eq. 2) with increasing halo mass.

1 The central hydrogen gas densities in our low-mass galaxies go

down to nH ∼ 10−1.5cm−3, arguably insufficient to form stars. We
have explored a scenario in which we have added a dense central

hydrogen gas cloud in low-mass galaxies, to find that this is likely

not affecting our general trends.
2 Gas can cool to temperatures much lower than our tempera-

ture threshold, leading to higher densities. Having explored the

addition of dense gas in low-mass galaxies, we follow the same ar-
gumentation as the previous footnote, that this would not affect

our general trends.

Further, due to an increase in the virial temperature with red-
shift for a given halo mass, this increase shifts to lower masses
with increasing redshift. To quantify: a virial temperature of
2×104K corresponds to Mh ' 108.3 (107.7)M� at z ∼ 5 (15).
We also note a substantial corresponding increase in the cen-
tral density with redshift. For a 109M� halo for example,
the central density increases by nearly 5 orders of magnitude
from z ∼ 5 to 15. This increase is primarily driven by the in-
creasing compactness of galaxies: for a given halo mass, the
virial radius increases with redshift as ∝ (1 + z)3.

In panel (b) of the same figure, we show the gas density
profiles for a 108 and 109M� halo at z ∼ 5, 10 and 15 for
the saturated temperature case. First of all, we find that the
shape of the density profile is very similar at z ∼ 5 and 10
and not strongly affected by redshift for the 108M� halo;
the density decreases by about 3 orders of magnitude be-
tween log(x) = −3 and log(x) = 0. The profile shapes of
109M� halos are significantly more concentrated compared
to 108M� halos: indeed, the density falls off by about 3 or-
ders of magnitude within x = 0 − 0.1 for such a halo. We
also note that the impact of redshift on the profile shape is
significantly stronger for a 109M� halo. The density contrast
between x = 10−3 and x = 0.1 for a 109M� at z ∼ 5 is
roughly 2 orders of magnitude compared to more than 4 or-
ders of magnitude at z ∼ 10. This is driven by the V 2 term
in Eq. 1.

2.3 Modelling the escape fraction of hydrogen
ionizing photons

We now use the above model to calculate the escape fraction
of hydrogen ionizing photons assuming two different scenarios
that are ionization-bounded or ionization-bounded with holes
as detailed in Secs. 2.3.1 and 2.3.2 that follow.

2.3.1 Ionization-bounded scenario

We start with our fiducial scenario in which LyC leakage
occurs when the ionization front (IF) of a galaxy exceeds
its virial radius, as proposed in Ferrara & Loeb (2013). The
time-evolution of the IF radius (rI) is set by a detailed balance
between the rate at which ionizing photons are produced by
the central source and the total recombination rate within
the volume enclosed by the IF such that

4πr2
I nH(rI)

drI

dt
= Q(t)−

∫ rI

0

4πr2nH(r)2αB(Tgas)dr. (3)

On the RHS, Q(t) represents the source term (the rate at
which ionizing photons are produced by the central source)
and the second term represents the recombination rate.
Here, nH(r) is the hydrogen number density at radius r and
αB(Tgas) = 2.6× 10−13(T/104K)−0.5 is the Case B recombi-
nation coefficient (Ferrara & Loeb 2013). For the remainder
of this work we parametrize rI in terms of the virial radius as
Γ = rI/rvir. When solving Eq. 3, we assume a starting radius
of Γ = 10−3 for convergence.

We follow the evolution of the IF within each galaxy for
30 Myr, the time spacing of our dark matter merger trees.
The time at which the IF breaks out of the virial radius (i.e.
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Modelling fesc in the EoR 5

Figure 3. At z ∼ 5 (red), 10 (yellow) and 15 (blue), we show results for the average central hydrogen number density as a function of halo

mass in the Panel (a). The dashed lines indicate the case where Tgas = Tvir and the solid lines highlight the assumption of a temperature

threshold at Tgas = 2 × 104K. The Panel (b) shows the gas density profile for a 108 (solid lines) and 109M� (dotted lines) halo for the
case of an assumed temperature threshold at Tgas = 2× 104K.

Γ = 1) then yields the instantaneous escape fraction as

fesc =
Nesc

ion

Nint
ion

=

∫ 30Myr

t(Γ=1)
Q(t′)dt∫ 30Myr

t=0
Q(t′)dt

. (4)

Here, Nesc
ion and Nint

ion represent the escaping and intrinsic num-
ber of hydrogen ionizing photons, respectively.

2.3.2 Ionization-bounded scenario with holes

In this scenario, in addition to the IF, ionizing photons can
simultaneously escape through channels cleared of gas due to
SNII feedback. We start by calculating the ages of stars (of
mass Ms) that can explode as SNII as (Padovani & Matteucci
1993)

tSN =

(
1.2× 103

(
Ms

M�

)−1.85

+ 3

)
Myr. (5)

Here, stars with a mass of Ms = 8 and 100M� explode as
SNII roughly 28.6 and 3.2 Myr after the burst of star for-
mation, respectively. This can be used to infer the SNII rate
(ν′) at any time t′ within the 30 Myr timestep. Assuming
each SNII explosion to release E51 = 1051erg of energy and
fw = 0.10 of this energy coupling to the ISM gas, the energy
released by SNII at any time t′ within a timestep is

ESN(t′) = fwE51ν
′Mnew
∗ (t), (6)

where Mnew
∗ (t) is the total new stellar mass formed within a

given timestep. Further, the total binding energy at time t′

within a given timestep is

Ebin(t′) = Mg(t
′)v2

c , (7)

where vc is the halo circular velocity and Mg(t
′) is the gas

mass at time t′ accounting for that lost in ejection. The gas

mass ejected at t′ can then be calculated as

Mej
g (t′) = Mg(t

′)
ESN(t′)

Ebin(t′)
(8)

By the end of the timestep, the total gas mass ejected is

Mej
g (t) = [M i

g(t)−M∗(t)]
(
feff
∗

fej
∗

)
. (9)

Assuming the initial gas mass to be spherically symmet-
rically distributed within the halo, the fraction of the total
spherical solid angle (4π) that is cleared of gas at time t′ is
then given by

Ω(t′)

4π
=
Mej

g (t′)

M i
g(t)

(10)

Once cleared, we assume the channels to remain open for the
rest of the merger tree timestep 3. We also assume the gas
density profile to be unchanged in the regions not affected by
SNII feedback.

The instantaneous escape fraction is then given by the com-
bined contribution from both the leaking mechanisms (IF and
SNII driven channels) and is computed as

fesc =

∫ 30Myr

t=0

Ω(t′)
4π

Q(t′)dt+
∫
t(Γ=1)

[
1− Ω(t′)

4π

]
Q(t′)dt∫ 30Myr

t=0
Q(t′)dt

.

(11)

3 The timescale for which SNII feedback becomes substantial, is

significantly longer compared to the timescale at which the ma-
jority of ionizing photons are produced. Relaxing this assumption

would not change the escape fraction.
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6 Bremer & Dayal

Figure 4. The instantaneous escape fraction binned in terms of halo mass (panel a), central hydrogen gas number density (panel b),
stellar mass (panel c) and the star formation efficiency (panel d). We show our results for z ∼ 5, 10 and 15 as highlighted by the different
colors, for galaxies with Mh

>∼ 107.7M�. The solid (dashed) lines indicate the ionization bounded (ionization bounded+holes) scenario.
Finally, the vertical (black) dashed line in panel d represents our star formation threshold value of f∗ = 0.03.

3 THE CO-EVOLUTION OF GALAXY
ASSEMBLY AND THE ASSOCIATED ESCAPE
FRACTION

We now study the dependence of the escape fraction on
galaxy properties to determine its key drivers in Sec. 3.1. We
then study the connection between the assembly histories of
galaxies and the associated evolving escape fraction in Sec.
3.2. Finally, we discuss the time-evolution and variability of
the escape fraction in Sec 3.3.

3.1 The dependence of fesc on intrinsic galaxy
properties

In Fig. 4 we show our results for the instantaneous escape
fraction at z ∼ 5, 10 and 15 for both the models dis-
cussed above (ionization bounded and ionization bounded
with holes).

We start by discussing the trend with halo mass for the
ionization bounded case, shown in panel (a) of Fig. 4. At
z ∼ 15, the escape fraction has a maximum value of about
fesc ∼ 0.70 for Mh ∼ 107.6M� halos and steeply declines to
zero around Mh ' 107.8M�. This is because galaxies with
Mh

>∼ 107.8M� reach a critical central density (correspond-

MNRAS 000, 1–?? (0000)



Modelling fesc in the EoR 7

ing to n0
H ∼ 60cm−3) above which the IF can not break out

of the virial radius as discussed in panel (b) that follows. At
such densities, the recombination rate becomes higher than
the ionizing photon production rate. Since n0

H ∝ (1+z)3 (see
Fig. 3), the halo mass at which the critical central density
is reached corresponds to a larger value of Mh ' 108.4M�
by z ∼ 10. This results in galaxies up to this mass being
LyC leakers. Further, as a consequence of lower recombina-
tion rates at these densities, the IF is sustained beyond rvir
for a longer duration, such that values up to fesc ' 0.93 are
reached for Mh

<∼ 108.1M� halos. The same trends persist at
z ∼ 5 where galaxies up to Mh

<∼ 109.5M� are LyC leakers,
with fesc values up to ∼ 0.96 for Mh

<∼ 109.0M� halos. In the
fiducial model, the value of fesc decreases with decreasing
mass. For example, at z ∼ 5, fesc decreases from ∼ 0.95 at
Mh ' 108.3M� to 0.83 for Mh ' 107.5M� halos. This is the
result of a combination of the star formation efficiency that
reduces by a factor ' 3.5 from Mh ' 108.3M� to ' 107.5M�
and a central density that remains nearly flat across this mass
range at z ∼ 5.

Considering the ionization bounded model with holes, we
find that the only impact is on halos approaching the crit-
ical central density. This is because the IF reaches rvir on
the order of Myrs, before a substantial part of the galaxy
has been cleared of gas due to SNII feedback. Hence, by
the time the opening angle of SNII-driven gas-free channels
starts becoming significant, the production rate of ionizing
photons has already dropped substantially. This effect there-
fore only affects the LyC leakage for galaxies that are too
dense to become fully ionized. At z ∼ 15 we find the escape
fraction to remain constant at roughly 0.06 from ' 107.9M�
to ' 108.6M�. The declining escape fraction with mass for
Mh

>∼ 108.6M� galaxies can be understood in light of Eq. 10.
As more massive galaxies retain more of their gas mass, the
opening angle will be reduced, resulting in a lower escape
fraction. At Mh ∼ 109.7M�, for example, fesc is reduced to
∼ 0.01. The same trends persist at lower redshifts: at z ∼ 10,
fesc ∼ 0.06 for Mh ' 108.4−8.8M�. The importance of this
model however decreases with redshift: by z ∼ 5, there is a
minimal enhancement in fesc for Mh

>∼ 109.6M� halos. This
is because galaxies of a given halo mass have deeper poten-
tials with increasing redshift. This leads to a larger fraction
of the gas mass being retained resulting in smaller opening
angles.

In panel (b) of the same figure, we show the dependence of
fesc on n0

H where we reiterate that fesc ∼ 0 at n0
H
>∼ 60cm−3

in the fiducial model. We find this critical value for the cen-
tral density to remain roughly constant with z. We however
note that a given value of the central density corresponds to
lower halo masses with increasing redshift. Finally, we note
that the ionization bounded model with holes leads to an en-
hancement of fesc at densities above this critical value; this
impact decreases with decreasing redshift as noted above.

In terms of the fesc evolution with stellar mass (panel c
of the same figure), we again find the same trends as noted
in panel (a). This is perhaps not surprising given that our
model yields an almost linear relation linking the stellar and
halo mass whose normalization increases with increasing red-
shift. In the fiducial model, we find LyC leakage to be con-
fined to galaxies with M∗ ' 105.0M� at z ∼ 15, while at
z ∼ 5 this mass range extents up to M∗ ' 107.2M�. We also
find LyC leakers to extend to lower stellar masses with de-

creasing redshift. This is because galaxies of a given stellar
mass are hosted by progressively massive halos with decreas-
ing redshift. As expected, LyC leakage (albeit with values of
fesc

<∼ 6%) extends to galaxies with M∗ ∼ 106 (106.2)M� at
z ∼ 15 (10) considering the ionization bounded model with
holes.

Finally, in panel (d) of Fig. 4 we show fesc as a function of
the effective star formation efficiency. For both leaking sce-
narios, we find all galaxies with high escape fractions to be
feedback limited (feff

∗ < 0.03) at z >∼ 7. With increasing red-
shift, we find the steep decline in fesc to occur at lower star
formation efficiencies. This is because feff

∗ is reached by ha-
los of decreasing mass with increasing redshift. This leads to
a weak reduction in the critical central density for leakage
at higher redshifts, as visible in panel (b). Interestingly, at
a fixed value of feff

∗ , we find fesc to decrease with increas-
ing redshift. For example, in the ionization bounded case, at
feff
∗ ' 7.7×10−3 we find an escape fraction of ∼ 0.66 (0.95) at
z ∼ 15 (5). This decline is the result of galaxies being denser
at higher redshifts for a given star formation efficiency.

To summarize, we find the combination of the effective star
formation efficiency and the central density to set the bound-
ary between galaxies having high and low escape fractions.
High escape fractions are found for galaxies that can fully
ionize their gas distribution, with gas-free channels created
by SNII feedback enhancing the LyC escape from higher mass
halos that have a comparatively low star formation efficiency
given their central densities.

3.2 The mass assembly of early galaxies and its
associated fesc

We now study the impact of high-z (z >∼ 4.5) galaxy assem-
bly on the escape fraction and its time-evolution. We anal-
yse galaxies in three different halo mass bins at z ∼ 4.5:
108.5−9.0M� (low-mass), 109.5−10M� (intermediate mass)
and 1011.0−11.5 (high mass); the results are averaged over 50
galaxies in each mass bin.

We start by discussing results for the low-mass bin as
shown in panels (a-f) of Fig. 5. As shown in panel (a), such
galaxies assemble roughly 50% of their halo mass by z ∼ 7.1.
The halo assembly shows a scatter of about 0.4 dex around
the average as a result of the varied assembly histories of
such low-mass objects. In terms of the gas mass (panel b),
this remains roughly constant with a value of Mg ∼ 106.6M�
down to z ∼ 7.5. Below this redshift, the average gas mass de-
clines slightly to ∼ 106.3M� by z = 4.5 due to SNII feedback;
the only channel through which these galaxies acquire gas is
therefore by smooth accretion from the IGM which decreases
with decreasing redshift. The gas mass assembly again shows
a scatter of about 0.4 dex at almost all redshifts due to the
assembly histories of such low-mass halos. Despite a decrease
in the gas mass at z <∼ 7.5, the average star formation rate
increases with decreasing redshift (albeit with a scatter of
about 0.6 dex) as shown in panel (c) of the same figure. For
example, the average star formation rate increases slightly
from ∼ 10−3.23M� yr−1 at z ∼ 9.5 to about 10−3.0M� yr−1

by z ∼ 4.5. This is because the increase in the halo mass over
these redshifts allows star formation with a higher efficiency
which dominates over the decrease in the gas mass available
for star formation. The average instantaneous escape frac-
tion shows an increase from about 〈fesc〉 ∼ 0.70 at z ∼ 9.5
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8 Bremer & Dayal

Figure 5. Average assembly histories of low-mass (Mh = 108.5−9.0M� halos; left column), intermediate mass (Mh = 109.5−10.0M�
halos; central column) and high-mass (Mh = 1011−11.5M� halos; right column). The results in each panel are obtained by averaging
over all 50 individual assembly histories in each bin with the shaded region showing the 1− σ scatter. From top to bottom, we show the

redshift evolution of the (a) halo mass, (b) gas mass, (c) star formation rate, (d) average instantaneous escape fraction, (e) fraction of the

total intrinsic ionizing photon production rate escaping, and (f) the intrinsic production and escaping rate of ionizing photons. For the
last three panels, we show results for both the fiducial and the ionization bounded with holes models.
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Modelling fesc in the EoR 9

to 〈fesc〉 ∼ 0.96 by z ∼ 4.5 as an increasingly large number
of low-mass (LyC leaking) progenitors form with decreasing
redshift, as shown in panel (d) of the same figure. Given that
most of the gas mass of such low-mass galaxies is ejected by
SNII in our model, the results of both the fesc models ( fidu-
cial and ionization bounded model with holes) are extremely
similar over the entire assembly.

We then define the “ionizing luminosity-weighted” escape
fraction over all (N) progenitors of a galaxy at redshift z as

〈fesc〉Lion(z) =

N∑
i=1

fesc(i, z)Ṅint
ion(i, z)

N∑
i=1

Ṅint
ion(i, z)

. (12)

This quantity represents the fractional rate of ionizing pho-
tons that escape the ISM at redshift z. The value of this
effective escape fraction increases from ∼ 0.72 at z ∼ 9.5 to
∼ 0.96 at z = 4.5 (panel e), for both the fiducial and ion-
ization bounded model with holes fesc models, driven by an
increase in the instantaneous fesc values shown above. Finally,
we study the relation between the intrinsic and escaping ion-
izing photon production rates as shown in panel (f) of the
same figure. Given that the number of short-lived massive
stars are mainly responsible for the production of ionizing
photons, the intrinsic ionizing photon production rate effec-
tively tracks the star formation rate at all z. As for the escap-
ing production rate, this closely starts tracking the intrinsic
rate with decreasing redshift due to the high escape fractions
for galaxies in this mass bin.

Quantitatively, the halo assembly is very similar for the
intermediate-mass bins (panel g) of the same figure, with 50%
of the mass assembling by z ∼ 7.4. However, given the higher
potentials associated with such halos, they can keep a signif-
icant gas mass bound within them. This leads to a flatten-
ing in the gas mass at z <∼ 10 at Mg ∼ 107.6M� as shown in
panel h. This also results in the star formation rate increasing
with decreasing redshift, from ∼ 10−2.5M� yr−1 at z ∼ 14
to ∼ 10−1.4M� yr−1 by z ∼ 4.5 as shown in panel (i). Inter-
estingly, the redshift evolution of the average instantaneous
escape fraction is quite different as shown in panel (j) - due
to more massive progenitors (that have smaller fesc values),
〈fesc〉 ∼ 0.36 at z ∼ 14 which increases to ∼ 0.75 by z ∼ 7 as
an increasingly larger number of low-mass progenitors form
with high fesc values. However, this quantity shows a drop
at z <∼ 7 as increasingly massive systems with lower escape
fractions assemble. On the other hand, the effective escape
fraction is fairly flat with a value of 〈fesc〉Lion ∼ 0.4 at z >∼ 8
after which it drops to ∼ 0.1 by z ∼ 4.5 as shown in panel
(k). This decline at z <∼ 7 is again caused by the assembly of
high-mass systems with very low escape fraction values. This
trend is also evident when comparing the evolving escaping
and intrinsic production rate of ionizing photons in panel (l).
While the latter increases with decreasing redshift tracing
the star formation rate, the former flattens with decreasing
redshift and declines at z <∼ 7.

Halos in the high-mass bin start assembling much earlier
as expected and assemble 50% of their mass by z ∼ 7.4 as
shown in panel (m). Given their more massive progenitors,
for such galaxies the gas mass keeps rising with decreasing
redshift, from Mg ∼ 108.0M� at z ∼ 20 to 109.7M� by
z ∼ 4.5 as shown in panel (n). Given their larger number

of progenitors, the scatter in the assembly history is natu-
rally lower than that seen in the low and intermediate-mass
bins. As a result of the quasi-monotonic growth of gas mass,
the star formation rates too grow with decreasing redshift,
from ∼ 10−1.6M� yr−1 at z ∼ 20 to ∼ 100.7M� yr−1 by
z ∼ 4.5 as shown in panel (o). Their more massive progeni-
tors (as compared to low-intermediate mass halos) also result
in lower values of 〈fesc〉 - this increases from ∼ 8% at z ∼ 16
to ∼ 0.75 by z ∼ 6 after which it shows a drop as shown in
panel (p). The cause of this drop is analogous to that seen in
the intermediate mass bin. Dominated by high-mass progeni-
tors with low fesc values, 〈fesc〉Lion too decreases with redshift
from ∼ 0.16 at z ∼ 13 to roughly 10−3 by z ∼ 4.7. While the
values are similar for both fesc models at z <∼ 15 (panel q), at
higher redshifts, 〈fesc〉Lion ∼ 0.06 in the ionization bounded
model with holes (as compared to no leakage in the fiducial
model). This is a consequence of the fact that leakage here
is dominated by low mass galaxies, that always have an in-
stantaneous escape fraction of ∼ 0.06 (Sec. 3.1). The growing
difference between the intrinsically produced and the escap-
ing number of ionizing photons (panel r) below z <∼ 13 is also
driven by the assembly of an increasingly large number of
high-mass systems with negligible escape fractions.

3.3 The fractional lifetime spent in high and
low-fesc regimes

We now discuss the fraction of their lifetimes that galax-
ies spend in different 〈fesc〉Lion regimes for both the mod-
els studied in this work. Starting with the fiducial model,
as shown in panel (a) of Fig. 6, z ∼ 5 galaxies with Mh =
107.7−9M� show 〈fesc〉Lion

>∼ 0.05 values for almost the en-
tirety ( >∼ 95%) of their lifetime. The fractional lifetime for
which z ∼ 5 galaxies show 〈fesc〉Lion

>∼ 0.05 decreases with
increasing halo mass, falling to about 46% (17%) for galaxies
with Mh ∼ 1010.5 (1012.5)M�. This trend is driven by the
assembly of an increasing number of massive systems with
fesc = 0, as detailed above. At each redshift, the scatter
shows the variety of the assembly histories of these halos that
crucially impact their 〈fesc〉Lion values. At z ∼ 5, 10 and 15,
the mass at which the lifetime spent in the 〈fesc〉Lion

>∼ 0.05
regime drops shifts to ∼ 109.5, 108.3 and 107.8M�. This mass
is directly related to the critical mass for ionization bounded
leakage as discussed in Sec. 3.1; as structures start to assem-
ble above this limit, 〈fesc〉Lion naturally gets lowered. This
in turn leads to a shift in the mass range of maximum vari-
ability, since the mass range close to the critical mass for
leakage is most sensitive to the underlying mass assembly
history. The region in which we encounter the highest vari-
ability shifts to Mh ∼ 109.5−10.0, 108.5−9.0 and 107.9−8.3M�
at z ∼ 5, 10 and 15. We also find that the fractional lifetime
decreases with increasing redshift for a given halo mass. On
average, a 109.5M� halo at z ∼ 5 spends roughly 71% of its
lifetime at 〈fesc〉Lion

>∼ 0.05 which reduces to 24% at z ∼ 10;
this threshold is never reached at z ∼ 15. This trend is driven
by an increasing fraction of assembled fesc = 0 structures at
higher redshifts, a result of the declining critical mass for
leakage with increasing redshift.

The ionization bounded model with holes mainly affects
the lifetimes spent above the low 〈fesc〉Lion

>∼ 0.05 threshold
as shown in panel (a) of Fig. 6; the impact is the strongest at
the highest redshifts of z ∼ 15 and (within the 1− σ scatter)
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Figure 6. Fraction of the lifetime for which the escape fraction is above the threshold noted as a function of halo mass. For both the
leaking models studied in this work (ionization bounded and ionization bounded with holes), the lines show average results for galaxies

at z ∼ 5− 15 (as marked) for 〈fesc〉Lion
> 0.05 (panel a), > 0.50 (panel b), and > 0.95 (panel c). In each panel, the shaded regions show

the 1− σ scatter.

Figure 7. Panel (a): Ionizing emissivity as a function of redshift, with observed estimates from Kuhlen & Faucher-Giguère (2012), Becker

& Bolton (2013) and Becker et al. (2021), as marked. panel (b): Volume filling factor of ionized hydrogen, as a function of redshift. panel
(c): results for the Thomson scattering optical depth, along with the result from Planck Collaboration et al. (2020) and its grey 1 − σ
uncertainty band. In each panel, the red and blue colors show the results of the ionization bounded and the ionization bounded model

with holes, respectively. The different linestyles indicate the different feedback scenarios; solid lines, no reionization feedback; dashed lines,
Tvir < 20000K feedback; and dotted lines, vc < 30kms−1 feedback.

converges towards the fiducial model by z ∼ 5. As discussed
in Sec. 3.1, feedback limited galaxies always have an escape
fraction of ∼ 0.06. We also find the lifetimes spent in this
regime are increasingly affected at larger masses, in line with
Sec. 3.2. The impact can be clearly seen at Mh > 1012.5M�.

Moving onto the regime with 〈fesc〉Lion
>∼ 0.5, low-mass

galaxies (Mh = 107.7−9M�) again spend >∼ 90% of their life-
time in this regime. However, in the 109.5−9.75M� mass range,
we find the fractional lifetime spent in this regime to show
an extremely large range between 0 and 97 %. Finally, more
massive systems with Mh

>∼ 1010M� always show 〈fesc〉Lion

values lower than 50% due to their high central densities and
comparatively low star formation rates. The same trends per-
sist here as shown for the low 〈fesc〉Lion regime: at a given
halo mass, the fractional lifetime spent in a given 〈fesc〉Lion

regime decreases with increasing redshift. A clear difference
however, as expected, is the rapid decline in the lifetime frac-

tion spent in this regime compared to 〈fesc〉Lion
>∼ 0.05. Fi-

nally, there are no significant differences between the results
from the fiducial and ionization bounded with holes models
for this regime since galaxies with 〈fesc〉Lion

>∼ 0.50 are pre-
dominantly driven by leakage through ionized gas rather than
SNII-created channels.

Finally, we find only low-mass galaxies (Mh ∼
108.2−9.4M�) can emit in the high fesc regime (with
〈fesc〉Lion

>∼ 0.95). However, these low-mass halos, where the
star formation rate allows the IF to break out of the virial
radius, spend only about 30% of their lifetime in this high
〈fesc〉Lion regime at z ∼ 5; as a result of their deeper poten-
tials, galaxies do not emit in this regime at the higher red-
shifts considered here. This lifetime fraction shows a slight av-
erage increase of up to about 10% (although this is within the
scatter from the fiducial model) when the ionization bounded
model with holes is considered.
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In the remainder of this work, we focus on the implications
of these results in the context of reionization.

4 THE CONTRIBUTION OF EARLY GALAXIES
TO REIONIZATION

We now focus on the implications of our fesc modelling ap-
proach on the epoch of reionization. In Sec. 4.1 we calcu-
late the reionization history from our model and validate it
against global observables. This is then followed by a discus-
sion of the key sources and their contribution to the ionizing
background in Sec. 4.3.

4.1 The emissivity and optical depth

We use the approach discussed in Dayal et al. (2017) to calcu-
late the reionization history which can be expressed in terms
of the redshift evolution of the volume filling fraction of ion-
ized hydrogen (QII) such that (e.g. Madau et al. 1999)

dQII

dz
=
ρ̇esc

ion

nH

dt

dz
− QII

trec

dt

dz
, (13)

where the first term on the right hand side accounts for the
growth of ionized regions due to the input of ionizing photons
and the second term expresses the counteracting effect due to
recombinations. Here, ρ̇esc

ion is the ionizing emissivity (the rate
at which ionizing photons are injected into the IGM per unit
volume), nH is the comoving hydrogen density and dt/dz =
[H(z)(1 + z)]−1. The ionizing emissivity at any redshift is
calculated by weighting the emergent ionizing photon rate
by the number density of any given galaxy at any z. Further,
the recombination time can be expressed as (Madau et al.
1999)

trec =
1

nHχ(1 + z)3αBC
, (14)

where χ = 1.09 factoring in the extra electrons originating
from singly ionized helium and C = 1 + 43 z−1.71 is the
clumping factor of the IGM (Pawlik et al. 2009; Haardt &
Madau 2012). The integrated Thomson electron scattering
optical depth can then be calculated as

τes(z) = σTc

∫ z

0

ne(z
′
)(1 + z

′
)2

H(z′)
dz

′
, (15)

where c is the speed of light, σT = 6.65 × 10−25cm−2 is
the Thomson scattering cross section and the comoving aver-
aged global electron number density is computed as ne(z) =
nHχQII(z), where we assume He to be fully ionized at z < 3
and singly ionized otherwise (e.g. Kulkarni et al. 2019).

We start by comparing the emissivity calculated from our
model with observations in panel (a) of Fig. 7. It is really
heartening to see that our emissivity estimates for both fesc

models are in excellent agreement with the observations. In-
terestingly, our results naturally show a downturn of the emis-
sivity at z <∼ 6. This is driven by the downturn in fesc detailed
in Sec. 3.2.

The similarity in the emissivity for both fesc models results
in very similar reionization histories as shown in panel (b) of
the same figure. With the appearance of the first LyC leaking
galaxies, the epoch of reionization in our fiducial model starts
at z ∼ 16.2 roughly 240Myr after the big bang. Within the

following ∼ 200Myr down to z ∼ 10.4, reionization proceeds
rather slowly being 10% complete. By a redshift of ∼ 7.4 or
about 700Myr after the big bang, the universe is roughly 50%
ionized. We find reionization to be complete by z = 5.67; in
the ionization bounded model with holes, reionization follows
almost the same history, ending roughly 50Myr earlier at z ∼
5.91.

Finally, we note that both fesc models are compatible
with the latest electron scattering optical depth measured
by Planck Collaboration et al. (2020) as shown in panel (c)
of the same figure. While the results from the fiducial model
lie very close to the central measured value of τes ∼ 0.055, the
ionization bounded model with holes yields a slightly higher
value of about 0.06. This result is a particularly good sanity
check of our model (see also Ferrara & Loeb 2013) since once
the star formation parameters are fit to galaxy observables
(the UV LF and SMF), we have no further free parameters
when calculating the fesc values for any galaxy.

We now explore the effects of reionization feedback on these
results.

4.2 The impact of reionization feedback

As re-ionization proceeds, the ultra-violet background (UVB)
in the ionized IGM heats to the IGM to temperatures of
roughly 1 − 4 × 104K. Galaxies exposed to this UVB can
experience lower gas accretion rates onto dark matter halos
(Couchman & Rees 1986; Hoeft et al. 2006), or the removal
of their gas content into the IGM through photo-evaporation
(Barkana & Loeb 1999; Shapiro et al. 2004). Low-mass halos
residing in ionized regions are predominantly affected and can
lead to a reduced SFR. This however depends on the spatial
variation of re-ionization progress (e.g. Hasegawa & Semelin
2013; Gnedin & Kaurov 2014; Pawlik et al. 2015; Ocvirk et al.
2018; Katz et al. 2019; Wu et al. 2019; Hutter et al. 2021). The
combined escaping emissivity as a function of redshift arising
both from ionized as well as neutral regions can be expressed
as (e.g. Dayal et al. 2017; Choudhury & Dayal 2018),

ρ̇esc
ion,fb(z) = [1−QII(z)]ρ̇

esc
ion,I(z) +QII(z)ρ̇

esc
ion,II(z). (16)

The contribution arising from galaxies residing in neutral
regions not affected by feedback is expressed by the first
term, while the second term accounts for the contribution of
galaxies affected by feedback in ionized regions. In the very
early stages of reinization when the IGM is mosly neutral
or QII ' 0, such that ρ̇esc

ion,fb ∼ ρ̇esc
ion,I(z), while towards the

completion of reionization QII ' 1, leading to an emissivity
of ρ̇esc

ion,fb ∼ ρ̇esc
ion,II(z). We consider two different reionization

feedback scenarios:

(i) Suppression of the gas content of galaxies with
Tvir < 20000K, corresponding to Mh ∼ 108.3 (107.7M�) at
z ∼ 5 (15).

(ii) Suppression of the gas content of galaxies with
vc < 30kms−1, corresponding to Mh ∼ 109.1 (108.45M�) at
z ∼ 5 (15).

We stress however that in reality the extent of this
reionization feedback is likely dependent on the environment
in which galaxies reside. Given the absence of spatial
information in our semi-analytical model, we are unable to
account for this as such.
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In panel (a) of Fig. 7 we show the resulting emissivites
for our two feedback scenarios. Att the highest redshifts
(z >∼ 13), the non-feedback and models including feedback
are roughly identical, as expected given the early stage of
reionization. As reionization proceeds, the effect of feedback
between the different models becomes apparent, as the emis-
sivity starts to diverge from the non-feedback case. For the
fiducial leaking model at z ∼ 6 the emissivity in the case of
Tvir < 20000K feedback is roughly 81% of the non-feedback
case, while in the stronger vc < 30kms−1 feedback scenario,
the emissivity is reduced to ∼ 55%. This relative decline
in emissivity is roughly identical in the ionization bounded
+ holes leaking model. While both leaking models in the
absence of reionization feedback models are compatible with
multiple observed datasets, in the case of both feedback
models, the emissivity is only compatible with the observed
estimates from Kuhlen & Faucher-Giguère (2012).

The resulting reionization histories are shown in panel (b)
of Fig. 7. With only a small fraction of the universe ionized,
the reionization histories at z >∼ 10 are nearly indistinguish-
able between the different reionization feedback cases. On
the other hand, the decline in the emissivity due to the
suppression of galaxies as reionization proceeds, naturally
results in a delay in the reionization process. Comparing at
z ∼ 5.9, in the absence of reionization feedback QII ' 0.92,
with Tvir < 20000K, QII ' 0.78, and in the vc < 30kms−1

case, QII ' 0.60. This delay between the different feedback
models is qualitatively the same in the ionization bounded
model + holes. We note however that the vc < 30kms−1

feedback model fails to reionize the universe 4.
Lastly, the resulting optical depth for both feedback

realizations are shown in panel (c) of Fig. 7. We find that for
both leaking models in the Tvir < 20000K feedback scenario,
the resulting electron scattering optical depth is in excellent
agreement with the observed value of Planck Collaboration
et al. (2020). While in the fiducial leaking model, the
vc < 30kms−1 feedback scenario under-predicts τes, when
leakage through holes is included, the vc < 30kms−1 feedback
scenario is in accord with the observed τes.

4.3 The key sources of reionization

Based on our calculations, we now discuss the star-forming
galaxies that would provide most of the photons for reion-
ization. This naturally depends on three key parameters: (i)
the intrinsic production rate of ionizing photons; (ii) the es-
cape fraction from any galaxy; (iii) the number density of the
galaxy.

To this end, we start by showing the dependence of the in-
stantaneous escape fraction on mass and redshift for all galax-
ies in the ionization and density bounded models in Fig. 8.
For the fiducial ionization bounded model shown in panel (a),
LyC leakers are limited to low-mass galaxies (Mh

<∼ 107.8M�)
at z ∼ 15 that show fesc up to ∼ 0.7. Due to the decrease in
the central gas density with decreasing redshift as discussed
in Sec. 2.2, galaxies with masses as large as Mh ∼ 109.5M�
show similar fesc values by z ∼ 5. As has been discussed in
the previous sections, higher mass galaxies effectively show
no leakage of ionizing photons. Considering the ionization

4 This feedback model is compatible with the observed UVLFs.

bounded model with holes naturally increases the contribu-
tion from higher mass halos at all redshifts as shown in panel
(b) of the same figure. The fesc values are effectively unaf-
fected for the LyC leakers in the fiducial model, as might
be expected, given that the escape in this case is driven by
the IF breaking out of the virial radius. However, given the
additional contribution to escape from SNII-channels, in this
case, galaxies as massive as Mh ∼ 109.8M� show fesc

>∼ 1%
at z ∼ 20. By z ∼ 5, galaxies of Mh ∼ 1010−12M� show fesc

values ranging between 0.1− 2%.
We then compute the fraction of the emissivity arising from

galaxies above a given mass with respect to the total emissiv-
ity as shown in Fig. 9, for the case of no reionization feedback.
In terms of the intrinsic emissivity (panel a of this figure), at
z ∼ 15, roughly 60% of the ionizing photon density is pro-
vided by low-mass galaxies with Mh

<∼ 108M�. Although the
star formation rates increase with increasing mass, the drop
in the number density results in galaxies with Mh

>∼ 109M�
providing less than 5% to the intrinsic emissivity. As increas-
ingly massive systems assemble with decreasing redshift, 50%
of the intrinsic emissivity comes from systems as massive as
Mh

>∼ 108.6 (1010.5)M� by z ∼ 10 (5).
Starting with the ionization bounded model, at z ∼ 15

we find that, as a result of their high fesc values, roughly
half of the ionizing emissivity is contributed by galaxies
with Mh

>∼ 107.6M�. As might be expected, the galaxies pro-
viding 50% of the ionizing emissivity shift to progressively
higher halo masses with decreasing redshift. Indeed, half
of the escaping ionizing emissivity comes from halos with
Mh

>∼ 107.9 (108.9)M� by z ∼ 10 (5).
We now compare these results to the ionization bounded

model with holes. As might be expected, LyC leakers (where
the IF can break out of the virial radius) are not very much
affected by the additional escape from gas-free channels. In-
deed, as seen, the galaxies that provide 50% of the escap-
ing ionizing emissivity are hardly affected by the presence of
SNII-cleared channels. However, these channels affect the tail
end of leakers (that can provide up to 13% of escaping pho-
tons) significantly. Galaxies that are more massive compared
to the fiducial model can provide the last few percent of reion-
ization photons when SNII channels are included. Quantita-
tively, leakage through SNII channels from Mh

>∼ 109.5M�
galaxies contribute 6% to reionization at z ∼ 5, which in-
creases to 13% by z ∼ 15 for Mh

>∼ 107.8M� galaxies. Lastly,
we note that in the case of reionization feedback, as an
increasingly large population of low-mass galaxies is sup-
pressed, the fractional contribution to the escaping ionizing
emissivity of more massive galaxy naturally increases.

Finally, we then define a “cumulative effective escape frac-
tion” for each galaxy as

fcum
esc (z) =

Nesc
ion,cum(i, z′)

Nint
ion,cum(i, z′)

, (17)

where Nesc
ion,cum(z) and Nint

ion,cum(z) represent the cumulative
number of escaping and intrinsic ionizing photons produced
by a galaxy, summed over all of its progenitors over its entire
assembly history.

As shown in panel (a) of Fig. 10, firstly, the cumulative
intrinsic production rate of ionizing photons scales with the
halo mass at all z ∼ 5 − 15 and follows the stellar mass-
halo mass relation as might be expected. Secondly, while the
Nint

ion,cum−Mh slope is essentially independent of redshift, its
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Figure 8. 2d map showing the instantaneous escape fraction as a function of redshift and halo mass for the ionization bounded model in
panel (a) and the ionization bounded model + holes in panel (b). The values for the escape fraction are represented by the color bar on

the right hand side of each panel. The dark blue region in the left panel represents fesc = 0. For display purposes, we have set the escape
fraction to 10−3.4 when fesc = 0.

Figure 9. Relative contribution to the ionizing emissivity of galaxies above a given halo mass as a function of halo mass at z ∼ 5, 10
and 15. In panel (a), we show the results for the intrinsic emissivity, while the results for the escaping emissivity are shown in panel (b).
Solid (dashed) lines in the right panel show results for the ionization bounded (+holes) model.

normalization increases with increasing redshift by a factor
of about 2.8 between z ∼ 15 and 5. This is a consequence
of the star formation efficiency increasing with redshift for
a given halo mass; we note that this relation shows a slight
shallowing of its slope for Mh

>∼ 109.2M� halos at z ∼ 15
which is possibly driven by the low numbers of such halos
that have assembled.

We then discuss fcum
esc for the fiducial model in panel (b) of

Fig. 10. For all redshifts we find the same characteristic trend
in which fcum

esc declines with halo mass above the critical mass
for ionization bounded leakage. For example, while a 109M�

galaxy at z ∼ 5 has fcum
esc ∼ 0.84, a much more massive galaxy

with 1011M� has a value of ∼ 0.02. This trend is driven by
an increasing mass fraction of progenitors above the critical
mass for leakage not contributing to Nesc

ion,cum. This is also
responsible for the strong impact of redshift on fcum

esc . As an
example, at a fixed mass of 109M�, we find fcum

esc ∼ 0.84 by
z ∼ 5, which is reduced to ∼ 0.04 (10−3) at z ∼ 10 (15).
This shows that for this particular mass, galaxies become
orders of magnitude less efficient over their entire lifetime
in injecting their intrinsically produced ionizing photons into
the IGM. We also encounter variations of up to two orders
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of magnitude in fcum
esc at fixed halo mass above the critical

mass for leakage, as partly shown by the 1 − σ areas. This
emphasises the impact of the variations in the underlying
mass assembly.

Finally, we discuss the results for the ionization bounded
model with holes as shown in panel (c) of the same figure. We
find that leakage in this model becomes increasingly impor-
tant with increasing redshift: while at z ∼ 5 both fesc models
are fairly similar, by z ∼ 15 the effective escape fraction is a
factor of ∼ 38 higher in the ionization bounded model with
holes compared to the fiducial model for a Mh ∼ 109M� halo.
This shows that over the entire lifetime of galaxies, the frac-
tion of escaping ionizing photons is increasingly dominated
by LyC leakage through SNII channels with increasing red-
shifts. This model also shows a reduced scatter with respect
to the fiducial model, since fesc > 0 for any galaxy when
leakage through channels is considered.

5 CONCLUSIONS AND DISCUSSION

In this work, we have combined the semi-analytical frame-
work Delphi for high-z galaxy formation, with an analytic
model to estimate the escape fraction of ionizing photons.
The evolving ionization front within the gas distribution of
each galaxy, and the release of SNII energy form the basis of
this model. Leakage occurs either; when the ionization front
reaches the virial radius (ionization bounded); or through
a combination of ionization bounded leakage and additional
leakage through gas-free channels created by SNII explosions.

The key aim of this work is to understand the dependence
of fesc on galaxy properties, its co-evolution with galaxy as-
sembly, and the galaxy population driving reionization. Our
main findings are:

(i) In the ionization bounded scenario, we find the cen-
tral gas density to be primarily constraining fesc. A conse-
quence of galaxies becoming denser at higher redshifts, is a
shift in the leaking population from Mh

<∼ 109.5M� at z ∼ 5
to Mh

<∼ 107.8M� by z ∼ 15. Galaxies above this mass range
are too dense to become fully ionized, hence leakage through
gas-free channels plays a key role.

(ii) We quantify the time-evolving leakage for a given as-
sembly history of a galaxy in terms of 〈fesc〉Lion . We find
the co-evolution of the effective escape fraction with the as-
sembly history of galaxies to be mass-dependent. In the low
mass log(Mh[M�]) = 8.5−9.0 bin, we see an increasing effec-
tive escape fraction with decreasing redshift. In the massive
log(Mh[M�]) = 11.0 − 11.5 bin on the contrary, we find the
opposite trend with a strong steepening in the slope at which
〈fesc〉Lion declines at z <∼ 10.

(iii) While low mass Mh = 107.7−9M� galaxies spend
>∼ 90% of their lifetime in the 〈fesc〉Lion > 0.50 regime, mas-

sive Mh = 1012−13M� galaxies spend roughly 80% of their
lifetime in the 〈fesc〉Lion < 0.05 regime. We find the variability
to be driven by variations in the underlying assembly histo-
ries. As an example, in the narrow Mh = 109.5−9.75M� mass
bin we find the fractional lifetime spent at 〈fesc〉Lion > 0.50 to
range between 0 and 97 %. As for the redshift dependence,
for a fixed halo mass the lifetime fraction spent in a given
〈fesc〉Lion regime is declining with increasing redshift.

(iv) In our ionization bounded model reionization starts at
z ∼ 16 and is complete at z = 5.67. When including leakage

through holes, reionization ends roughly 50Myr earlier at =
5.91 and starts as early as the appearance of the first galaxies
around z ∼ 30, with a similar reionization history. Low mass
Mh < 108.0M� galaxies only contribute about 10% to the
ionizing background at z ∼ 5, while at z ∼ 10 this is 67%.
Galaxies purely leaking through channels contribute 6 (13)%
at z ∼ 5 (15).

(v) Lastly, we defined the cumulative escape fraction, ex-
pressing the escaped fraction of all ionizing photons ever
produced by a galaxy. Regardless of redshift, for both leak-
ing models, we find fcum

esc to decline with halo mass at
masses above which the critical central density for ionization
bounded leakage is reached.

We end by stating a number of simplifications assumed in
our model: (i) while we use a single physically motivated gas
density profile, the specific fesc trend with intrinsic galaxy
properties sensitively depends on the particular gas density
profile. Any physically motivated gas density profile however
has to simultaneously match the emissivity and τes, reduc-
ing the freedom of choice of the particular density profiles;
(ii) neglecting reionization feedback in our model, most likely
leads to an over-prediction of the contribution of low mass
galaxies to the EoR. While this is most likely the case at red-
shifts close to the end EoR, at higher redshifts this should
not be significant; (iii) while we have only considered single
stars, non-standard stellar populations such as binaries (e.g
Eldridge et al. 2017) could enhance the escape fraction and
the reionization history of the Universe, which we will explore
in a forthcoming paper; (iv) the shape of the gas density pro-
files is always assumed to be static, regardless of mergers
or SN feedback processes; (v) relaxing our assumption of in-
stantaneous clearing of gas channels might reduce the impact
of leakage through holes; (vi) reducing (enhancing) our gas
temperature threshold of 2 × 104K would lower (enhance)
the critical mass for ionization bounded leakage. When for
example assuming Tgas = Tvir, it was already evident from
Fig. 3 that the central gas densities are significantly reduced
for galaxies with Tvir > 2×104K. For the ionization bounded
case, this leads to fesc ∼ 0.99 for Mh

>∼ 109.5M� at z ∼ 5.
As early as z ∼ 15, galaxies with high escape fractions ex-
tend up to Mh ∼ 1010M�. This leads to an early completion
of reionization by z ∼ 8.5, hence overestimating the electron
scattering optical depth by ∼ 2.6σ.

ACKNOWLEDGMENTS

The authors express their appreciation to the referee for
the insightful comments. J. Bremer and P. Dayal acknowl-
edge support from the European Research Council’s start-
ing grant ERC StG-717001 (“DELPHI”). P. Dayal also ac-
knowledges support from the NWO grant 016.VIDI.189.162
(“ODIN”) and the European Commission’s and University
of Groningen’s CO-FUND Rosalind Franklin program. We
thank Maxime Trebitsch for his useful input and insightful
discussions.

DATA AVAILABILITY

Data generated in this research will be shared on reasonable
request to the corresponding author.

MNRAS 000, 1–?? (0000)



Modelling fesc in the EoR 15

Figure 10. Cumulative number of intrinsically produced ionizing photons as a function of halo mass in panel (a); cumulative escape

fraction as a function of halo mass for the ionization bounded model in panel (b); and panel (c) shows the results for for the ionization

bounded + holes model. All results are shown for z ∼ 5, 10 and 15. The shaded regions indicate 1− σ uncertainties. For comparison, we
show the means from the ionization bounded model at z ∼ 5 and 15 in the right panel.
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Fricke Verhamme A., Orlitová I., 2018b, MNRAS, 478, 4851

Izotov Y. I., Worseck G., Schaerer D., Guseva N. G., Chisholm J.,
Thuan T. X., Fricke K. J., Verhamme A., 2021, MNRAS, 503,

1734

Katz H., et al., 2019, arXiv e-prints, p. arXiv:1905.11414

Kimm T., Cen R., 2014, ApJ, 788, 121

Kimm T., Katz H., Haehnelt M., Rosdahl J., Devriendt J., Slyz
A., 2017, MNRAS, 466, 4826

Kuhlen M., Faucher-Giguère C.-A., 2012, MNRAS, 423, 862

Kulkarni G., Worseck G., Hennawi J. F., 2019, MNRAS, 488, 1035

Leethochawalit N., Jones T. A., Ellis R. S., Stark D. P., Zitrin A.,
2016, ApJ, 831, 152

Leitet E., Bergvall N., Piskunov N., Andersson B. G., 2011, A&A,
532, A107

Leitet E., Bergvall N., Hayes M., Linné S., Zackrisson E., 2013,

A&A, 553, A106

Leitherer C., et al., 1999, ApJS, 123, 3

Lewis J. S. W., et al., 2020, MNRAS, 496, 4342

Livermore R. C., Finkelstein S. L., Lotz J. M., 2017, ApJ, 835, 113

Ma X., Kasen D., Hopkins P. F., Faucher-Giguère C.-A., Quataert
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ABSTRACT

High-precision light curves were extracted from TESScut images. Together with
APOGEE and LAMOST medium resolution spectra, a joint study was made for six
early K-type contact binary candidates selected unbiasedly with orbital periods around
0.268 days. It is found that all of them (RV CVn, EK Com, V384 Ser, V1038 Her,
EH CVn, and CSS J125403.7+503945) are W-subtype shallow contact systems though
with different mass ratios (1/q = 0.27–0.62). The effective temperature differences be-
tween binary components are around a few hundred Kelvins. The original definition of
A- and W-subtypes were compared with the customarily used methods which rely on
the shape or on the photometric solutions of light curves. The latter two methods are
not always reliable and therefore the radial velocity analysis is strongly recommended.
Through a collection of all available K-type contact binaries with both photometric and
spectroscopic measurements, it is found that almost all of them are W-subtype systems,
except a few objects which have nearly identical temperatures for binary components.
This W-subtype phenomenon for K-type contact binaries should be further checked
with more samples in the future. Finally, the physical parameters of the targets were
determined with joint data analysis and the multiplicity is discussed for these targets.
V384 Ser and RV CVn are confirmed very likely to be triple systems from comprehen-
sive analysis, while V1038 Her is a candidate of a triple system based on photometric
and spectroscopic solutions.
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1. INTRODUCTION

According to the definition introduced by Binnendijk (1970), late-type (or W UMa type) contact
binaries (CBs) are classified into two classes: A type and W type. We use “subtype” instead of “type”
as some new literature used (Li et al. 2020, 2021; Qian et al. 2020; Lu et al. 2020; Alton & Stȩpień
2021; Panchal & Joshi 2021). For A-subtype contact systems, the more massive component has a
higher effective temperature compared to the less massive component, while for W-subtype systems,
the less massive component has the higher temperature (Yildiz & Doğan 2013; Li et al. 2021). This
definition is more clearly illustrated with radial velocity (RV) variations of real samples. For a W-
subtype system (e.g. W UMa), after the primary eclipse (the eclipse when the hotter component
is eclipsed), the more massive component is receding from us (red shifted) while the less massive
component is moving towards us (blue shifted). Through the analysis of RV curves, it is easy to
distinguish which component is the more massive one, and thus obtain the subtype configuration.

For totally eclipsing (TE) systems, the definition of A/W classification can be translated into
the following criterion based upon the features of light curves. In A-subtype systems, the deeper
minimum is caused by the transit, while in W-subtype systems, it is caused by the occultation of
the less massive component (Latković et al. 2021). However, not all CBs are TE systems. Partially
eclipsing (PE) systems are more common. Meanwhile, even for TE systems, the task of classifying the
A- and W-subtypes becomes challenging when the light curves have comparable depth at the transit
and occultation phases. A good example is 1SWASP J064501.21+342154.9 (hereafter J0645). Liu et
al. (2014a) classified this system to be W-subtype according to the photometric solutions based on the
original definition. Then, a later study (Djurašević et al. 2016) re-classified it to be A-subtype relying
only on the transit-occultation feature of the light curves, but in fact, their photometric solutions
also support the W-subtype configuration. This ambiguity in classifying the subtypes occurs because
the transit and occultation of the light curves have almost identical depths. The slightly shallow
occultation is actually the eclipse of the hotter component. A similar feature is shown in the case of
TYC 01664-0110-1 (Alton & Stȩpień 2016).

On the other side, there are more PE systems that cannot be classified using the criterion above.
Photometric solution is therefore the fundamental tool. However, it is just the PE systems whose
photometric solutions may have large errors (Hambálek & Pribulla 2013; Liu 2021; Li et al. 2021).
Their mass ratios are even thought to be unreliable (Hambálek & Pribulla 2013; Latković et al.
2021), especially for those asymmetric light curves (in other words, spotted systems). The mass
ratios derived from spectroscopic studies may be different from those based on photometric analysis
(e.g. Yakut & Eggleton 2005; Rucinski et al. 2000). Therefore, RV measurements are very important
for determining the accurate physical parameters and for verifying the reliability of the photometric
approach. However, there were only a few late-type CBs (especially those later than G-type) studied
with RV data (e.g. i Boo: Hill et al. 1989, SW Lac: Zhai & Lu 1989) until an RV program from David
Dunlap Observatory (DDO) in Toronto (hereafter DDO program) started. This program lasted for
almost ten years and a series of papers were published (e.g. Lu & Rucinski 1999; Rucinski 2002;
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Pribulla et al. 2009), which has greatly increased the samples of late-type CBs with RV data. Among
those CBs, the K-type systems have the shortest periods which are close to the period cut-off (∼
0.22 d) according to the period-color relation (Eggen 1967; Rucinski 2002). From their RV data, it is
inferred that almost all of the K-type CBs are W-subtype systems (see Section 4). This result is quite
different from the overall statistical result of the late-type CBs, most of which are from photometric
studies, that no significant difference in numbers is found for A- and W-subtype. Yildiz & Doğan
(2013) reported that among 100 well studied CBs, there are 51 A-subtypes and 49 W-subtypes.
Recent statistical studies of CBs also show the similar result (e.g. Li et al. 2021; Latković et al. 2021;
Sun et al. 2020). Even for CBs with ultra-short periods, a recent statistic work finds nearly equal
number of W- and A-subtype systems (Li et al. 2019).

So far, the A- and W-subtype classification has been widely used in the study of late-type CBs, not
only in the statistic research (e.g. Sun et al. 2020; Latković et al. 2021), but also for the formation
and evolution science (e.g. Yildiz & Doğan 2013; Yıldız 2014). Therefore, it is important to get the
correct subtype configuration. However, the difference between the spectroscopic and photometric
statistic results in the W- and A-subtypes are noticeable, particularly in K-type targets. The problem
is that the samples of K-type CBs with RV data are not numerous enough. Thanks to the era of
large surveys, we could collect data from both photometric and spectroscopic surveys, including the
foregoing Kepler mission (Borucki et al. 2010; Koch et al. 2010) and the present TESS (Transiting
Exoplanet Survey Satellite; Ricker et al. 2015) for the photometric part and SDSS (Sloan Digital Sky
Survey: Eisenstein et al. 2011; Abolfathi et al. 2018) and LAMOST (Large Sky Area Multi-Object
Fiber Spectroscopic Telescope, e.g. Cui et al. (2012); Zhao et al. (2012)) for the spectroscopic part. In
the present study, we mainly utilized data from TESS and APOGEE (the Apache Point Observatory
Galactic Evolution Experiment; Majewski et al. 2017).

TESS is currently one of the most important all-sky projects ongoing, which plans initially to mea-
sure the brightness of ∼200,000−400,000 selected stars at two-minute cadence, and simultaneously
the full-frame images (FFIs) are obtained at (30-minute cadence (Stassun et al. 2018). It conducts a
sequential set of 27.4 days photometric surveys of 24◦ × 96◦ sky sectors and results in observations
of 80-85% of the sky (Feinstein et al. 2019; Nardiello et al. 2019) every two years, with a photometric
precision of about 60 ppm to 3 percent for stars brighter than Tmag ≈ 16 (Oelkers & Stassun 2018).
This project is intentionally designed for exoplanet detection, which however, extremely facilitates
the research of eclipsing binaries (e.g. Lee et al. 2019; Borkovits et al. 2020). Except for the light
curves from short cadence (two minutes or one minute exposure) for selected targets, FFIs of TESS
provide a huge data mining archive for scientific research of diverse objects. The light curves used in
this study are mostly from this archive.

APOGEE is a large near-infrared (NIR) spectroscopic survey launched within SDSS-III (Eisenstein
et al. 2011) and later continued in SDSS-IV (Blanton et al. 2017). APOGEE has produced a large
collection of high resolution (R=22500), high quality (S/N > 100), and infrared (H-band) spectra for
stars throughout the Milky Way (Majewski et al. 2016). APOGEE affords us spectra of more than
half a million spectra of some 150,000 stars (APOGEE-1), which is an ideal resource for spectroscopic
study. However, because of its NIR band and the spectra line entanglement problem for close binaries,
this treasure was not paid enough attention for the research of short-period close binaries, until
recently. Jayasinghe et al. (2020) combined APOGEE with other databases to study CBs. Clark
Cunningham et al. (2019) used APOGEE spectra to measure RVs of close binaries with long periods,
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which they applied a broadening function (BF) technique (Rucinski 2002) to accomplish. By utilizing
the APOGEE spectra together with the high precision space TESS photometric data, it is hopeful
to make joint studies of K-type CBs and to provide evidence for the A/W subtype problem.

This paper is structured as follows. The light curve extraction and data analysis are introduced
in Section 2. The results for individual targets are presented in Section 3. We summarized and
discussed our results in Section 4.

2. DATA METHOD

2.1. Target selection

We tried to select a few early K-type CBs through cross-matching the APOGEE catalogue with the
VSX database (Watson et al. 2006). Candidates were then checked using the TESS images (within
cycle 2 of the TESS mission). The final targets were selected based on the following criteria:
(1) periods are within the range of 0.26–0.27 days;
(2) not too faint: magnitude in the V band is brighter than 14.5;
(3) variation amplitude is not too low: amplitudes in V or R band are larger than 0.08 mag;
(4) have enough spectroscopic observations: at least 3 to 5 visit spectra. If not enough, try to collect
additional observations from LAMOST survey;
(5) do have available observations with TESS;
(6) no bright companions in the close field within a distance of 5 TESS pixels (1 pixel = 21′′).
These criteria ensure effective data for the present study and meanwhile, they should not have a
selection effect on the subtype problem. It is to mention that for the first criterion, the motivation is
that too short periods will cause a more serious smear effect. And 0.26–0.27 days are approximately
the longest periods for K-type CBs. Finally, we collected six targets selected in this study: RV CVn,
EK Com, V384 Ser in group I and V1038 Her, EH CVn, and CSS J125403.7+503945 (hereafter
J125403) in group II. The group labels are only for convenience. Their basic information is listed in
Table 1.

2.2. Light curves from TESS

Our targets were observed by TESS in cycle 2 period, which is the first year of its North-sky
phase. The images were taken in 30-minute cadence. The TESS FFI-cutouts (TESScut1: Brasseur
et al. 2019) for each target were downloaded from the service of Mikulski Archive for Space Telescopes
(MAST)2 with the help of lightkurve package (Lightkurve Collaboration 2018). The cutouts have sizes
of 10×10 to 13×13 pixels, depending on each target. Similar to Guo et al. (2020), the apertures and
background masks from a master image were created using a percentile thresholding method and were
used to generate light curves. Usually, for the raw light curves, we need to remove the low-frequency
trend using a polynomial fitting method and remove the data with anomalies (various spacecraft
anomalies, thermal transient characteristics, differential velocity aberration, artifacts, etc.). The
final master images and the apertures of targets group I are shown in Figure 1, together with the
extracted light curve of RV CVn (without detrending) as an example.

2.3. Photometric solutions

1 https://mast.stsci.edu/tesscut/
2 https://mast.stsci.edu/portal/Mashup/Clients/Mast/Portal.html
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The TESS light curves of the targets come out to be of good quality, with small errors (mostly
0.001–0.002, occasionally 0.003–0.004 mag) after removing a few outliers. Good precision is favourable
for determining accurate photometric solutions (Liu 2021). To get the photometric solutions, the
light curves were analyzed by using the Wilson-Devinney code (hereafter the W-D code; Wilson &
Devinney 1971; Wilson 1979, 1990, 1994; Van Hamme & Wilson 2007; Wilson 2008; Wilson et al.
2010; Wilson 2012) in the version 2013. This version not only enables the automatic calculation of
limb-darkening coefficients but can also deal with light curves with long-time exposure which may
cause notable smear effects. This is very useful for the long cadence TESScut light curves of short-
period CBs (typically ∼ 0.3 days). Therefore, we incorporated the W-D code into Python scripts in
order to make it more convenient to work, especially in the grid-search process (e.g. the q-search).

In order to make a comparative study, photometric solutions were derived independently of RVs
initially. The calculation was carried out following a common procedure (e.g. Liu et al. 2020). The
temperature of one component was fixed while that of the other component was set free. The
solutions were searched at a series of fixed mass ratios (q = m2/m1), which is a so-called q-search
method (e.g. Qian et al. 2005). Before calculation, mode 3 (contact model) was assumed initially.
The gravity-darkening coefficients were set as g1 = g2 = 0.32 (Lucy 1967) and the bolometric albedo
was set A1 = A2 = 0.5 (Ruciński 1969) according to their low temperature. The square-root functions
(LD=−3) were chosen for the treatment of limb-darkening. The limb-darkening coefficients in the
band of “TESS” were used (the coefficients files were kindly provided by Professor Van Hamme) and
interpolated in the W-D code. NGA (the number of abscissae) was set to 3 to account for the smear
effect (Wilson 2012; Zola et al. 2017)). After the q-search was done, the achieved mass ratio was
used as an initial input for comprehensive solutions (Liu et al. 2020). In the final calculation, the
parameter of the third light should be set free, because for TESS light curves there might be blending
of light from nearby stars (Guo et al. 2020). The q-search diagrams are shown in the left panels of
Fig. 2 and 3, while the observed and theoretical light curves are displayed in the corresponding right
panels. The photometric solutions are shown in Tables 2 and 4. The errors listed in the parentheses
are the standard deviations directly calculated by the W-D code, which, for the nonlinear situations,
are not ideally correct. The real uncertainties may be three or five times larger, depending on the
confidence level (Liu et al. 2015). The main characteristics of each set of photometric solutions are
labeled at the head of the corresponding column. For asymmetric light curves, cool or hot spots were
modeled in the calculation. Parameters of spots include the latitude θ, the longitude ψ, the radius r,
and the temperature factor Ts/T∗. They are also listed in the tables together with the spot location
(on which star). Some detailed explanations of calculation and analysis for individual targets are
presented in Section 3.

2.4. Radial velocity studies

Photometric solutions derived merely from light curves may not always be reliable (see Section 1).
To check the photometric results, we utilized the spectra from APOGEE (Majewski et al. 2017) as
well as a few spectra from LAMOST medium-resolution survey (MRS) (Liu et al. 2020; Wang et al.
2019; Liu et al. 2019). The MRS spectra cover two wavelength bands: 495–535 nm and 630–680 nm
for the so-called blue band (B band) and red band (R band), respectively (Zong et al. 2018; Wang
et al. 2019). In this data set, they are usually observed for 3 continuous short exposures. In order
to avoid the H-alpha region (activity problem, see, e.g. Liu et al. 2020), only spectra in the B band
were used for RV determination. For APOGEE spectra, the data used in this paper were retrieved
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from SDSS DR14 and DR16. The latest description of APOGEE data can be found in Jönsson et al.
(2020). Some information on targets retrieved from APOGEE and LAMOST databases are listed in
Tables 6 and 7 respectively.

We implemented the traditional cross-correlation function (CCF) method (Matijevič et al. 2010;
Szalai et al. 2007) to measure the RVs. For the APOGEE spectra, the data utilized are the indi-
vidual visit spectra (apVisit). To calculate the CCFs, the sharp features (mostly fake emission and
absorption) in narrow windows (usually less than 2 or 3 pixels) were first removed to get the clean
spectra. They were then normalized by fitting the continuum using a Chebyshev polynomial. The
normalized spectra of RV CVn from SDSS DR14 are displayed in Figure 4 as an example. CCFs
were calculated by cross-correlating the normalized spectra with a standard template (NGC 5272 17)
which was selected from the new catalog of RV standard stars (Huang et al. 2018). The CCF images
are displayed in Figures 9, 10, and 11, and the results are shown in Tables 6, 7, and 8. Finally, the
RV data were fitted (Fig. 5) using the W-D code, taking account of the eclipse and proximity correc-
tion (Baran et al. 2004; Wilson 2008) for binary components. The value of the semi-major axis was
set free during the calculation and the absolute physical parameters were derived accordingly. The
results are listed in Table 10. More details about the RV calculation are addressed in the following
section.

3. RESULTS

3.1. RV CVn

The variability of RV CVn has been known for almost a century since its first discovery by Larink
(1921). It has been subsequently studied by several authors (e.g. Schilt 1927; Hoffmann 1981; Liu et
al. 2014; Zasche et al. 2014) and two sets of photometric solutions were published recently. However,
their solutions are quite different. The mass ratios from Liu et al. (2014) and Zasche et al. (2014) are
1.74 (1/q = 0.575) and 0.93, respectively, which results in conclusions of W-subtype and A-subtype,
respectively. Therefore, it is important to have another check from new data.

To derive independent photometric solutions for this target, the temperature of star 1 (the star
eclipsed at the deeper minimum) was estimated and fixed at 4850 K according to the recent catalogue
of Gaia DR2 (Gaia Collaboration et al. 2018). A third light was included in the solutions because
there is a close companion in its neighbourhood. It is found that RV CVn is a W-subtype contact
binary with a mass ratio about 1.97. The solutions are similar to that obtained by Liu et al. (2014)
in temperature difference (T1−T2 ∼ 140 K) and the degree of contact (f = 10%), while there is slight
difference in the mass ratios and inclination values. Subsequently, we tried using both mass ratio
values to fit the RV data and found both of them show good fits (see the upper left panel of Fig. 5).
The curves from the result of Liu et al. (2014) even match the data slightly better. Therefore, a more
reasonable mass ratio should be 1/q = 0.55+0.02

−0.04. Nevertheless, the absolute physical parameters were
estimated (Table 9) using the mass ratio result newly determined in order to make a comparison
here. The result of total luminosity (Ltot) turns out to be in good agreement with that calculated
from the parallax in Gaia DR2 (LG2, see Table 9). The formulae can be found in Chen et al. (2018),
which were utilized to calculate LG2.

3.2. EK Com

It is noticed that K-type CBs are more likely to be W-subtype, which means that the component
eclipsed at the deeper minimum (namely star 1) is the hotter but less massive component, thus star
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2 should be more massive and larger. It is probable that star 2 (the primary) is more luminous.
Therefore, we set the temperature T2 fixed henceforth.

EK Com is an interesting object which exhibits long-term variation in its light curve. Its O’Connell
effect changes greatly over a long time (Tavakkoli et al. 2017). The light curves from Samec et al.
(1996) and Deb et al. (2010) also vary in the depths of minimum light. Those from the former show
a typical W-subtype feature (deeper occultation) while the latter show more shallow occultation. As
mentioned in Section 1, the latter is usually considered to be an A-subtype LC feature. However,
the photometric solution from Deb et al. (2010) indicates the system to be W-subtype actually.
Therefore, all photometric solutions till now agree on the W-subtype configuration of the system,
while the mass ratio value varies from 2.89 (1/q = 0.346; Deb et al. 2010) to 3.5 (Tavakkoli et al.
2017). No spectroscopic mass ratio is obtained yet.

According to LAMOST DR7, EK Com has a spectral type G9/G8. To derive the photometric
solution, T2 was estimated to be 5000 K based on LAMOST and Gaia DR2. There is a small
asymmetry (O’Connell effect) in the light curve (see the middle panel of Figure 2). Therefore,
a starspot was included when searching for the final solutions. We tried both cool and hot spot
models, and the solutions are shown in Table 2. Both cases turned out to give good fitting results.
The solutions with a hot spot has a smaller residual which means it is more reasonable to be adopted.
The calculated light curves with the smear effect removed are also displayed in Figure 2. The flat
occultation feature of the light curve is excellently recovered.

On the spectroscopic part, except for APOGEE, we also got spectra from Thai National Observatory
(TNO) for EK Com. The observations were made in 2017 with the Middle Resolution (R ∼ 18000)
fiber-fed Echelle Spectrograph (MRES) mounted on the 2.4-m Ritchey-Chretien telescope of TNO,
which is operated by National Astronomical Research Institute of Thailand (NARIT). Some infor-
mation is listed in Table 8, together with the determined RVs. To test the photometric solutions,
parameters from both cool and hot spot solutions were used to fit the collected RV data. It is found
that both inputs lead to good fits (see the middle left panel of Figure 5). From the RV fit, both
sets of solutions should be acceptable. Both of them agree that the system is a W-subtype contact
binary with a small mass ratio (1/q ∼ 0.3) and a high inclination (i & 85), which is in accord with
the results from literature (see Samec et al. 1996; Tavakkoli et al. 2017). It should be noted that
different photometric solutions indicate that the light curve alone is not yet able to well constrain the
spot configuration. The absolute dimensions were derived and listed in Table 9 (orbital parameters
from the hot spot model were used).

3.3. V384 Ser

V384 Ser has a spectral type K2 according to LAMOST DR7. So far, there are two sets of
independent photometric solutions which were reported just recently (Michaels et al. 2019; Zhang et
al. 2020). The system was found to be W-subtype, with mass ratios q = 2.65 and 3.16 according
to Michaels et al. (2019) and Zhang et al. (2020), respectively. Michaels et al. found significant
luminosity contribution from a third body while Zhang et al. did not. The former authors further
estimated the mass of the tertiary component from the orbital period analysis and speculated its
spectral type to be K3 or K4.

V384 Ser was observed by TESS in sectors 24 and 25 (hereafter s24 and s25). This object was not
only observed with FFI images but also recorded in short cadence mode. However, to be consistent
with other targets, the long cadence light curves (LLCs) were analyzed first. For the light curve
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from s24, no spots were included in the calculation since there is no obvious asymmetry, while for
s25, the spots were considered because the asymmetry is significant. A significant third light was
found, which contributes to ∼ 10 % in the TESS band. The mass ratios determined from LLCs of
the two sectors are quite different, while both of them are smaller (1/q is larger) than those got by
the previous authors.

The time resolution of short cadence light curves (SLCs) of V384 Ser is much higher and thus
benefits the analysis of the long-term variation of the light curve. The SLC data of V384 Ser used
in this paper can be found in MAST: 10.17909/fpt5-8n40. In Figure 8 (the upper left panel), we
could see the change of −∆Max and −∆Min of the light curves is significant and fast. Cycle to
cycle variation of the light curve is probably true. Four segments of data selected (labeled as “s24a”,
“s24b”, “s25a” and “s25b”) are shown in the lower left panel. They were each binned into 300 data
points. It is seen that even in the same sector, the light curves are quite different. The fast variation
indicates that V384 Ser is an active system, which is the same conclusion obtained by Michaels et
al. (2019). Photometric solutions were carried out for “s24a” and “s24b” as typical examples (light
curves with roughly equal maxima and different maxima, respectively), and the results are shown
in Table 3 and the upper right panel of Figure 8. Similar to the situation of LLCs of s24 and s25,
we got quite different mass ratios for “s24a” (no spots) and “s24b”(with spots). When the spotted
scenario was considered for “s24a” (very slight asymmetry in the light curve), the mass ratio turned
out to be close to that of “s24b”.

To solve the problem of different mass ratios, a simultaneous fitting was carried out for the light
curve of “s24a” and the RV data. These RVs were determined from APOGEE and LAMOST MRS
spectra (see Tables 6 and 7). The derived mass ratio from the simultaneous solutions (the “s24a
with RV” column of Table 3) is q ∼ 1.74. Interestingly, this value is very close to the mean result
(q = 1.757) from the other three solutions. The derived RV curves are shown in Figure 5. The curves
from the “el3” solutions of s24 (q = 1.993) are also plotted for comparison. It is seen that the curves
from the simultaneous solutions fit the observation better. Therefore, the corresponding results from
“s24a with RV” were adopted, and the absolute dimensions were estimated accordingly.

It is to mention that the spectra of V384 Ser were found full of narrow lines overlapped on the
broad absorption features (see Fig. 6). These narrow lines may come from a tertiary component
with slower rotation. To our expectation, prominent features of a third component were found in the
CCFs (see Fig. 9), and this is in accordance with the photometric solutions. The determined RVs of
the third component were close to that of the binary system (see Table 9). Further more, through
O − C analysis, the orbital period of V384 Ser is found to show periodic variation (Michaels et al.
2019). Combining all these factors, V384 Ser is most likely to be a hierarchical triple system. For
the luminosity contribution from the tertiary component, our estimation is smaller than Michaels’s
decision. In fact, the parameters from our solutions are closer to that from the solution 2 of Michaels
et al. (2019), except for the mass ratio. This is understandable since the third light can make the
mass ratio more uncertain (Hambálek & Pribulla 2013; Liu 2021). Nevertheless, the spectroscopic
analysis confirms the results from our TESS photometry. Combining photometric solutions and the
spectroscopic analysis, the luminosity of the tertiary component was roughly estimated to be 0.058
L�, which corresponds to ∼ 0.5 M� (estimated from Eker et al. 2018 and Mann et al. 2019) for a
main sequence star. If the mass function from Michaels et al. (2019) was well determined, the orbital
inclination of the companion should be significantly higher than 45◦(i3 ∼ 70◦).

http://dx.doi.org/10.17909/fpt5-8n40
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3.4. V1038 Her

Except for a few observed minimum light times (e.g. Brat et al. 2011; Karampotsiou et al. 2016;
Hubscher 2017), V1038 Her has no photometric solutions published yet. The spectral type from
LAMOST LRS is K3. Through TESS photometry, the photometric solutions were derived for the
first time. A third light contributing to ∼ 6.5 % in the TESS band was found and the mass ratio was
found larger (1/q ∼ 0.62 ) than other targets. Except for the TESS light curve, we also got light
curves from American Association of Variable Star Observers (AAVSO) in B, V, and Ic bands (see
Figure 7) which was observed by Kevin Alton with a QSI 683 wsg-8 CCD camera at the privately
owned UnderOak Observatory. According to Kevin Alton, the exposure time for B- and Ic passbands
was 120 sec while for V was 105 sec. The photometric solutions were derived independently, following
the same process. The results are listed in Table 5 and the calculated light curves are shown in Figure
7. The solutions from TESS and AAVSO light curves are generally in good agreement.

The RVs were fitted with both parameters from the two sets of solutions. No significant difference
was seen between the two fittings (see Figure 5). Therefore, the reasonable parameters for V1038 Her
to be adopted should be q = 0.634 ± 0.014 and i = 76.1 ± 0.6. The temperature difference is clearly
different between the two sets of solutions, which may indicate that this target is active. However,
this is not conclusive until there are more observations and evidence.

3.5. EH CVn

The first photometric solutions of EH CVn were derived by Xia et al. (2018), who found the target to
be a W-subtype shallow contact binary based on the ground-based observation data. They obtained
a small mass ratio about 1/q ∼ 0.30. No radial velocities were published.

We tried to revisit EH CVn with TESS photometry and RV study. The result was interesting that
the mass ratios from the q-search and free calculation process were quite different. The q-search
calculation led to a mass ratio about 3.4 which is very similar to that obtained by Xia et al. (2018),
while the free calculation got a much smaller mass ratio q. The spots were added in the final solutions
for the asymmetry in the light curve. The final solutions listed in Table 4 were calculated from two
cases. For case 1, the latitude of the spot is not constrained, which got a pole spot solution. For case
2, the latitude of the spot is constrained in the low latitude region. Both solutions led to good fits
for the light curve (see Figure 3), of which the mass ratios are significantly different.

The RVs would provide independent evidence for the mass ratio. It comes out that only with the
parameters from case 2 can a good fit be obtained. Therefore, the large mass ratio (1/q = 1.383)
solution was abandoned and the intermediate mass ratio was adopted for the target. For other
parameters, our solutions are similar to that of Xia et al. (2018). No significant third light was
detected in spectra or photometric solutions.

3.6. J125403

J125403 (cross id. CRTS J125403.7+503945) was first found to be a periodic variable by Drake et
al. (2014). The EW-type like light curve together with a period about 0.27 days indicates it to be a
contact binary candidate. To clarify the nature of this newly discovered eclipsing binary, photometric
solutions were searched for the light curves from TESS sectors 15 and 16 (hereafter s15 and s16).
However, the low amplitude and variable light curves make the solutions not well determined in
spots. Therefore, the results are in fact the mean solutions for the light curve of each sector. The
q-search diagrams both show flat bottom and rugged shape which means the mass ratio values may
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not be well constrained. Nevertheless, the photometric solutions from the two sectors are similar in
parameters, though slightly different in the mass ratios.

The parameters from the “s16” solution were adopted in the RV fit, which was proved to work well.
No significant third light was found in spectra (CCFs) or photometric solutions. However, a small
amount of third light is not rejected yet since photometrically the orbital inclination is quite low, and
spectroscopically the SNR is not high which makes the CCFs a little bit of low quality. Nevertheless,
the W-subtype configuration is undoubtedly confirmed. The masses of the components determined
from the joint analysis are quite small compared with other targets, which makes it an interesting
object similar to BH Cas (Zo la et al. 2001).

4. SUMMARY AND DISCUSSION

The A- and W-subtype classification is a widely accepted concept in defining and describing late-
type binaries, due to their distinct distribution in the mass ratio and the effective temperature (see,
e.g. Yakut & Eggleton 2005; Latković et al. 2021). It has become an unavoidable topic in the study
of W UMa binaries, especially in tracing their evolutionary routes and status (see, e.g. Li et al. 2008;
Yildiz & Doğan 2013). However, the detailed model of W UMa binaries is under debate (e.g. Stȩpień
2009), even for the mechanism of the two subtypes (see Zhang et al. 2020 and Song et al. 2020). The
K-type CBs are essential for the study of the A/W subtype problem since they have the shortest
orbital periods among W UMa binaries. The W-subtype phenomenon of K-type CBs is so special
among late-type binaries that it might provide key clues for understanding the A- and W-subtype
nature and thus the structure and evolution of W UMa binaries.

4.1. W-subtype contact binary systems

The RVs were determined for the first time for six selected early K-type targets using spectroscopic
data mainly from APOGEE and LAMOST. The RV data were utilized to check the photometric
solutions of these targets. The light curves used are mainly from TESS and are of high precision. In
order to make a comparative study, the photometric solutions were initially derived independently
and then checked in the fitting of RVs. It is proved that all the selected targets are W-subtype
shallow CBs, which were selected unconcerned of subtypes. It is hardly a coincidence. We tried to
collect all K-type CBs (period > 0.215 d) with both photometric and spectroscopic measurements.
Their parameters are listed in Table 10, together with our newly determined ones. Altogether are 24
objects, which are arranged into three parts (by the horizontal lines) in this table. Except for the
middle part which contains the six newly confirmed W-subtype systems from this paper, others are
briefly described as follows.

In the first (upper) part, all targets are W-subtype systems. There are three binaries – i Boo,
BH Cas and AH Vir to be mentioned. For i Boo, it is a special object which got an A-subtype
solution first but was later confirmed by Lu et al. (2001) to be of W-subtype. This target was found
in a triple system (Hill et al. 1989). At a small distance (parallax ∼ 80 mas) to our Sun, it is very
bright. And the tertiary component becomes a visual companion at a separation about 1.7′′. This
companion (i Boo A) is, however, brighter than the binary member (i Boo B) and is hard to be
excluded in observations, and thus may affect the photometric solutions. For BH Cas and AH Vir,
their orbital periods are much longer than other K-type CBs listed. For BH Cas, the spectral type
was speculated to be K4 and F8 (Metcalfe 1999; Zo la et al. 2001) successively, and finally determined
to be K3V+G8V by Liu et al. (2019). The absolute parameters of BH Cas were found pretty small



11

compared with that of other binaries, while for AH Vir, the total mass is much larger. Nevertheless,
all systems (in this part) are confirmed W-subtype CBs.

The lower part contains four exceptions. Among them, OT Cnc (cross id. GSC 1387-0475) and
J0930B belong to a special situation that the temperature difference between the two components is
quite small, close to their errors. Therefore, the A/W classifications become meaningless for them
according to the definition. They are labeled “A/W” in the table to refer to those with almost
identical temperatures for the two binary components. VZ Psc may belong to another situation. It
was considered a member of a small subgroup of CBs referred to as the B-subtype (Lucy & Wilson
1979; Maceroni et al. 1990) which show a large surface temperature difference between two component
stars. Though with almost the same period and similar shape of light curves, this object was finally
found more favorable of a near contact configuration with a fill-out factor of −5% ± 9% (Hrivnak et
al. 1995). The last “exception” listed is V345 Gem. Although it has a period of only ∼ 0.27 days,
the effective temperature of the primary is over 6000 K, which is obviously not K-type. Therefore,
it is not an exception for the W-subtype phenomenon of K-type CBs.

From the above analysis, we found that there is not even one sample in Table 10 that really belongs
to the A-subtype. Therefore, it is concluded that almost all of the K-type CBs might be in W-subtype
configuration except a few systems which have identical temperatures for their components and thus
are not necessarily to be classified as W- or A-subtype according to the original definition. The
difference between the primary and the secondary components (Tp − Ts) is usually a few hundred
Kelvins (negative values). A few samples (labeled as “A/W”) have positive temperature difference
which is rather small (usually dozens of Kelvins). The word “almost” is used because we lack sufficient
K-type CBs. Although samples from Table 10 cover many situations, including a large period range,
low orbital inclinations, and relatively small mass ratios, many cases are not covered yet, such as
extremely low mass ratios ( Ms/Mp < 0.15), very low inclinations (i < 40), ultra-short periods
below the cut-off (∼ 0.22 d), systems with evolved components (the example is BH Cas (Zo la et
al. 2001)). More observations are necessary in the future, especially the spectroscopic observations
for RV determination, though recent studies from photometric data alone have already found many
late-type CBs (with periods close to the cut-off) overwhelmingly in W-subtype (Li et al. 2019, 2020;
Latković & Čeki 2021).

4.2. Additional comments

Three of our targets are possible triple systems, among which V384 Ser and RV CVn are quite
certain. For V384 Ser, the spectra (CCFs) proved the existence of a tertiary component. The
contribution of the third light matches the photometric solutions quite well and it is also consistent
with the third body calculation deduced by the O-C diagram of the orbital period study (Michaels
et al. 2019). Therefore, this target is very likely a hierarchical triple system. For RV CVn, a close
companion (2MASS J13401740+2818208) is only ∼ 10′′ away and about one percent as bright as
RV CVn. With nearly identical distance (parallax = 2.37 ± 0.16 mas according to Gaia DR2 (Gaia
Collaboration et al. 2018; Luri et al. 2018)) and very similar proper motions ((-6.32,-7.42) mas/yr
for RV CVn and (-6.31,-7.01) mas/yr for the companion), this visual companion is likely to be a
physical one. V1038 Her is another possible triple system, which is supported by both photometric
solutions and the spectroscopic study, which are in good agreement. For the other three targets, no
distinctive third lights are detected in their photometric solutions nor in the spectroscopic study. So,
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the detecting rate of a third light in our samples is similar to that of other CBs collected in Table 10
(9 in 18 samples).

Finally, the physical parameters of the targets listed in Table 9, however, are still roughly determined
values based on the following factors. Firstly, the spectroscopic observations for these targets are
not numerous enough, and the phase coverage is not ideal either, which is the reason that the mass
ratio cannot be determined with spectra alone and should be determined photometrically in the
beginning. The typical errors of the mass ratios of our targets are thereby relatively large, about
0.03–0.05 (1/q) (this won’t change the W/A subtype results). Secondly, the orbital inclinations are
from the photometric solutions, which are correlated with the lengths of the semi-major axis and thus
affect the absolute parameters. Nevertheless, the orbital inclinations are usually well constrained by
the light curves. Therefore, the uncertainties in inclinations only moderately increase the errors of
physical parameters. Thirdly, there might be various sources of systematic errors, including (but
not limited to) the smear effect of LLCs, the long exposure time of the spectroscopic data, and the
single broad-band photometry. In all, the real uncertainties should be larger than the standard errors
listed in Table 9 which are only based on the fitting. Since the uncertainties of absolute parameters
are huge, they should be of limited use. For the last column, “LG2” values are calculated using the
magnitudes in V from database and the distance based on Gaia DR2. Taking account of various
errors involved, the total luminosities are generally in agreement with luminosities based on Gaia
DR2.
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APPENDIX

A. THE CCF PROFILES OF TARGETS

The CCF profiles of targets and their multi-gaussian fittings are shown in Fig. 9 and 10.

B. NEWLY DETERMINED MINIMUM LIGHT TIMES FROM TESS DATA

New minimum light times were determined for the light curves extracted from TESS. Because the
data are sparsely sampled for these targets (few data in one cycle), each derived time was determined
using the data in a few continuous cycles and thus is an averaged result for these cycles (Liu et al.
2020). The determined times are listed in Table 11 for all the targets. In this table, ”NA” is the
number of data used for determination. The tables will be available in their entirety in machine-
readable form.
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2016, AJ, 152, 57.
doi:10.3847/0004-6256/152/3/57
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ApJS, 254, 10. doi:10.3847/1538-4365/abeb23

Lee, J. W., Kristiansen, M. H., & Hong, K. 2019,
AJ, 157, 223. doi:10.3847/1538-3881/ab1a3b

Li, L., Zhang, F., Han, Z., et al. 2008, MNRAS,
387, 97. doi:10.1111/j.1365-2966.2008.12736.x

Li, K., Xia, Q.-Q., Michel, R., et al. 2019,
MNRAS, 485, 4588. doi:10.1093/mnras/stz715

Li, K., Kim, C.-H., Xia, Q.-Q., et al. 2020, AJ,
159, 189. doi:10.3847/1538-3881/ab7cda

Li, K., Xia, Q.-Q., Kim, C.-H., et al. 2021, AJ,
162, 13. doi:10.3847/1538-3881/abfc53

Lindegren, L., Klioner, S. A., Hernández, J., et al.
2021, A&A, 649, A2.
doi:10.1051/0004-6361/202039709

Liu, C., Fu, J., Shi, J., et al. 2020,
arXiv:2005.07210

Liu, J., Esamdin, A., Zhang, Y., et al. 2019,
PASP, 131, 084202.
doi:10.1088/1538-3873/ab247a

Liu, L. 2021, PASP, 133, 084202.
doi:10.1088/1538-3873/ac1ac1

Liu, N., Fu, J.-N., Zong, W., et al. 2019, Research
in Astronomy and Astrophysics, 19, 075.
doi:10.1088/1674-4527/19/5/75

Liu, N., Qian, S.-B., & Leung, K.-C. 2014, Tenth
Pacific Rim Conference on Stellar Astrophysics,
482, 163

Liu, N.-P., Qian, S.-B., Soonthornthum, B., et al.
2014, AJ, 147, 41.
doi:10.1088/0004-6256/147/2/41

Liu, N.-P., Qian, S.-B., Soonthornthum, B., et al.
2015, AJ, 149, 148.
doi:10.1088/0004-6256/149/4/148

Liu, N.-P., Sarotsakulchai, T., Rattanasoon, S., et
al. 2020, PASJ. doi:10.1093/pasj/psaa062

Lohr, M. E., Hodgkin, S. T., Norton, A. J., et al.
2014, A&A, 563, A34.
doi:10.1051/0004-6361/201321926

Lohr, M. E., Norton, A. J., Gillen, E., et al. 2015,
A&A, 578, A103.
doi:10.1051/0004-6361/201525973

Lu, L.-N., Liu, J.-Z., Jiang, D.-K., et al. 2020,
Research in Astronomy and Astrophysics, 20,
196. doi:10.1088/1674-4527/20/12/196

Lu, W.-X. & Rucinski, S. M. 1993, AJ, 106, 361.
doi:10.1086/116645

Lu, W. & Rucinski, S. M. 1999, AJ, 118, 515.
doi:10.1086/300933

Lu, W., Rucinski, S. M., & Og loza, W. 2001, AJ,
122, 402. doi:10.1086/321131

Lucy, L. B. 1967, ZA, 65, 89
Lucy, L. B. & Wilson, R. E. 1979, ApJ, 231, 502.

doi:10.1086/157212
Luri, X., Brown, A. G. A., Sarro, L. M., et al.

2018, A&A, 616, A9.
doi:10.1051/0004-6361/201832964

Maceroni, C., van Hamme, W., & van’t Veer, F.
1990, A&A, 234, 177

Majewski, S. R., APOGEE Team, & APOGEE-2
Team 2016, Astronomische Nachrichten, 337,
863. doi:10.1002/asna.201612387

Majewski, S. R., Schiavon, R. P., Frinchaboy,
P. M., et al. 2017, AJ, 154, 94.
doi:10.3847/1538-3881/aa784d

Mann, A. W., Dupuy, T., Kraus, A. L., et al. 2019,
ApJ, 871, 63. doi:10.3847/1538-4357/aaf3bc

Marino, B. F., Walker, W. S. G., Bembrick, C., et
al. 2007, PASA, 24, 199. doi:10.1071/AS07009
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Figure 1. The aperture photometry of targets. The top and middle panels show the observed images and
the corresponding apertures (yellow for the aperture and blue for the background. color version online),
respectively. The extracted light curve of RV CVn is shown in the lower panel.
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Figure 4. The normalized spectra of RV CVn from APOGEE-1. The spectra are vertically shifted for
clarity. MJD of each spectrum is marked on the left side.
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Figure 5. RVs of the targets and the fittings. The filled circles and triangles represent radial velocity
observations of primary and secondary components, respectively. Small grey symbols denote data from
different sources besides APOGEE-2: APOGEE-1 for RV CVn, TNO for EK Com, and LAMOST for V384
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Figure 9. The CCF profiles of targets and the multi-gaussian fittings for RV CVn, EK Com, and V384
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Figure 10. The same as in Figure 9 but for V1038 Her, EH CVn, and J125403.
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Figure 11. The same as in Figure 9 but for EK Com from the observations at TNO.
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Table 1. Basic information of the variables from databases.

Name α2000 δ2000 V mag Period (d) J −H Teff (K)+ Sp type∗ plx (mas)+ plxe (mas)+ Sector#

RV CVn 13 40 18.16 +28 18 21.5 13.84 0.269567 0.567 4853 — 2.346±0.022 2.408±0.019 23

EK Com 12 51 21.44 +27 13 47.0 12.166 0.266685 0.444 4958 G8–G9 5.105±0.052 5.164±0.018 23

V384 Ser 16 01 53.57 +24 52 17.5 11.88 0.268729 0.476 4879 K2 4.701±0.037 5.039±0.056 24,25

V1038 Her 16 58 19.78 +33 40 21.6 11.90 0.2681798 0.539 4837 K3 5.454±0.134 5.492±0.066 25

EH CVn 13 41 13.70 +31 47 24.3 13.00 0.2635829 0.522 5045 K3–K5 3.697±0.029 3.734±0.014 23

J125403 12 54 03.61 +50 39 45.9 14.30 0.268798 0.430 4904 — 1.590±0.020 1.604±0.016 15,16

Note. +Retrieved from Gaia DR2 (Gaia Collaboration et al. 2018) and EDR3 (Gaia Collaboration et al. 2021; Lindegren et al. 2021).
∗from LAMOST low-resolution survey (LRS). #TESS sector
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Table 2. Photometric solutions for the TESS light curves of variables (I).

Parameters RV CVn V384 Ser EK Com

qser free qser (s24) el3 (s24) spot (s25) qser cool spot hot spot

q (M2/M1) 2.0 1.971(5) 2.3 1.993(9) 1.355(3) 3.6 3.260(13) 3.637(4)

Ωin 5.2517 5.2103 5.6709 5.2423 4.3065 7.3997 6.9581 7.4476

Ωout 4.6545 4.6140 5.0655 4.6453 3.7370 6.7731 6.3355 6.8205

T1 (K) 4850a 4850a 5033(2) 5043(5) 5010(8) 5240(3) 5279(4) 5354(8)

T2 (K) 4706(1) 4703(2) 4750a 4750a 4750a 5000a 5000a 5000a

i(◦) 84.05(4) 84.16(15) 67.92(3) 69.71(10) 68.55(13) 83.62(10) 87.50(19) 84.22(9)

L1/Ltotal(%) 37.85(2) 37.97(11) 37.42(3) 36.64(20) 44.2(2) 27.59(3) 28.23(26) 28.93(8)

L3/Ltotal(%) — 0.71(26) — 10.2(4) 9.3(7) — 6.5(7) 0.81(13)

Ω1 = Ω2 5.196(1) 5.152(8) 5.658(1) 5.207(11) 4.292(6) 7.328(2) 6.848(6) 7.365(5)

f(%) 9.4(2) 9.8(1.3) 2.2(2) 5.9(1.8) 2.5(1.0) 11.4(4) 17.6(1.0) 13.1(3)

r1(pole) 0.3046(1) 0.3061(3) 0.2899(1) 0.3031(2) 0.3326(3) 0.2601(2) 0.2702(2) 0.2601(1)

r1(side) 0.3187(2) 0.3202(4) 0.3025(1) 0.3168(2) 0.3484(4) 0.2714(2) 0.2824(3) 0.2714(2)

r1(back) 0.3544(2) 0.3561(5) 0.3358(2) 0.3513(3) 0.3810(5) 0.3077(3) 0.3210(4) 0.3083(3)

r2(pole) 0.4190(1) 0.4180(9) 0.4269(1) 0.4170(3) 0.3831(8) 0.4662(2) 0.4611(2) 0.4676(3)

r2(side) 0.4460(2) 0.4449(11) 0.4549(1) 0.4435(4) 0.4043(10) 0.5033(2) 0.4972(3) 0.5052(5)

r2(back) 0.4759(2) 0.4750(16) 0.4825(2) 0.4726(5) 0.4348(14) 0.5294(2) 0.5248(3) 0.5314(6)

θs(
◦) — — — — 28.7t — 131.8t 28.6t

ψs(
◦) — — — — 160( 2) — 69(15) 207.9(1.4)

rs(
◦) — — — — 13.2( 5) — 11.1(4) 11.4(3)

Ts/T∗ — — — — 0.80t — 0.80t 1.28t

on Star — — — — 2 — 2 2

Σ × 104 0.5792 0.5776 1.0980 1.0918 1.7222 0.5499 0.3885 0.3312

Note. qser: from q-search method. (a)Assumed. Ltotal = L1 + L2 + L3. (t)Trial, the parameter was fixed
at a series of trial values in the calculation until the best value was found. “s” inside the parentheses in the
head of columns refers to the TESS sector.
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Table 3. Photometric solutions for the SLCs of V384 Ser.

Parameters s24a s24a s24b s24a

el3 spot spot with RV

q (M2/M1) 2.339(1) 1.533(1) 1.399(1) 1.740(17)

Ωin 5.7246 4.5757 4.3749 4.8791

Ωout 5.1182 3.9966 3.8028 4.2910

T1 (K) 5050(2) 5004(4) 5002(3) 5062(31)

T a2 (K) 4750 4750 4750 4750

i(◦) 69.90(6) 69.53(5) 69.67(4) 69.6(5)

L1/Ltotal(%) 34.5(1) 41.4(1) 42.9(1) 40.2(1.0)

L3/Ltotal(%) 8.0(3) 9.7(2) 10.4(2) 9.1(2.3)

Ω1 = Ω2 5.685(2) 4.551(1) 4.348(1) 4.848(20)

f(%) 6.6(3) 4.3(2) 4.8(2) 5.4(3.4)

r1(pole) 0.2908(1) 0.3234(1) 0.3312(1) 0.3137(13)

r1(side) 0.3037(1) 0.3386(1) 0.3471(1) 0.3282(15)

r1(back) 0.3385(2) 0.3721(2) 0.3806(1) 0.3623(23)

r2(pole) 0.4303(2) 0.3945(2) 0.3871(2) 0.4055(24)

r2(side) 0.4592(2) 0.4174(2) 0.4091(2) 0.4301(30)

r2(back) 0.4875(3) 0.4477(3) 0.4400(3) 0.4600(43)

θs(
◦) — 34t 11t —

ψs(
◦) — 172(1) 125(3) —

rs(
◦) — 9.8(2) 14.7(2) —

Ts/T∗ — 0.80a 0.80a —

on Star — 2 2 —

Σ × 104 0.4923 0.3013 0.2543 6.9101
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Table 4. Photometric solutions for the TESS light curves of variables (II).

Parameters V1038 Her EH CVn J125403

qser el3 qser case 1 case 2 qser (s16) spot (s15) spot (s16)

q (M2/M1) 1.8 1.612(5) 3.4 1.383(3) 1.816(2) 3.0 2.583(21) 3.139(21)

Ωin 4.9661 4.6916 7.1409 4.3499 4.9882 6.6163 6.0585 6.7998

Ωout 4.3757 4.1089 6.5165 3.7787 4.3973 5.9974 5.4468 6.1788

T1 (K) 4934(2) 4942(3) 5222(6) 4948(8) 5115(6) 5202(28) 5259(78) 5204(55)

T2 (K) 4750 4750 4750 4750 4750 4750 4750 4750

i(◦) 74.11(4) 75.51(15) 61.24(7) 62.22(6) 60.72(4) 45.6( 6) 45.1(1.1) 44.7(9)

L1/Ltotal(%) 40.8(1) 40.6( 3) 33.5(1) 47.1(2) 44.5(1) 35.1( 3) 39.3( 9) 34.5(6)

L3/Ltotal(%) — 6.5( 6) — — — — — —

Ω1 = Ω2 4.953(1) 4.662( 8) 6.987(3) 4.273(4) 4.902(2) 6.578(11) 6.010(25) 6.707(25)

f(%) 2.3(2) 5.1(1.4) 24.6(5) 13.4(6) 14.5(4) 6.2(1.8) 8.0(4.2) 14.9(4.0)

r1(pole) 0.3093(1) 0.3198( 4) 0.2699(2) 0.3375(2) 0.3154(2) 0.2715( 8) 0.2837(1) 0.2719(16)

r1(side) 0.3232(1) 0.3347( 5) 0.2825(2) 0.3546(2) 0.3306(2) 0.2832( 9) 0.2963(1) 0.2840(19)

r1(back) 0.3563(2) 0.3686( 6) 0.3240(4) 0.3913(3) 0.3681(2) 0.3179(15) 0.3316(2) 0.3217(34)

r2(pole) 0.4067(1) 0.3990(10) 0.4670(2) 0.3914(6) 0.4139(3) 0.4500( 7) 0.4389(2) 0.4571(19)

r2(side) 0.4312(1) 0.4226(13) 0.5049(3) 0.4145(7) 0.4404(3) 0.4830(10) 0.4696(3) 0.4921(26)

r2(back) 0.4602(2) 0.4529(19) 0.5332(3) 0.4480(11) 0.4722(5) 0.5096(12) 0.4975(4) 0.5197(34)

θs(
◦) — — — 6t 97t — 86t 92t

ψs(
◦) — — — 198( 1) 312(2) — 279( 8) 295( 4)

rs(
◦) — — — 46.4( 9) 8.8(2) — 14.4( 5) 15.1( 3)

Ts/T∗ — — — 1.18t 0.60t — 0.90t 0.70t

on Star — — — 1 2 — 2 2

Σ × 104 1.6021 1.5806 0.6722 0.4043 0.4040 0.2618 0.2112 0.1747
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Table 5. Photometric solutions for the multi-band light curves of V1038 Her.

Parameters Values

q (M2/M1) 1.544(6)

Ωin 4.5914

Ωout 4.0118

T2 − T1 (K) -138(5)

i(◦) 76.85(19)

L1/Ltotal (B)(%) 45.0(4)

L1/Ltotal (V)(%) 42.7(4)

L1/Ltotal (Ic)(%) 38.7(4)

L3/Ltotal (B)(%) 1.7(13)

L3/Ltotal (V)(%) 4.4(10)

L3/Ltotal (Ic)(%) 10.2(7)

Ω1 = Ω2 4.558(7)

f(%) 5.8(12)

Σ × 104 1.1954
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Table 6. The Spectroscopy log from APOGEE and the newly determined velocities.

Targets UT-MID∗ HJD∗ EXPTIME∗ SNR∗ Phase† Vp Vs V3

(2,400,000+) (s) (km/s) (km/s) (km/s)

RV CVn 2011-05-22T06:04:56.8 55703.756507 3194.70 57 0.008 14.2±1.3 — —

2011-05-23T07:05:44.0 55704.798654 5324.50 84 0.874 -88.2±3.5 205.5±6.5 —

2011-07-17T03:33:02.9 55759.646863 4792.05 82 0.342 118.8±2.2 -191.3±2.5 —

2012-04-12T09:55:22.1 56029.918053 2002.04 36 0.954 -49.0±2.0 163.7±3.2 —

2012-05-02T07:14:41.4 56049.805913 2002.04 50 0.731 -117.1±1.1 240.6±1.4 —

2013-01-23T11:55:18.5 56315.998511 3503.56 63 0.213 140.7±1.5 -193.6±1.5 —

2018-03-04T09:00:57.2 58181.879788 2002.04 49 0.001 7.2±1.2 — —

2018-04-04T08:24:35.9 58212.855093 2502.54 63 0.909 -62.8±2.5 183.61±6.3 —

2018-04-25T06:15:24.3 58233.765016 3003.05 48 0.477 — -2.9±1.5 —

2018-05-02T05:20:33.1 58240.726668 2002.04 63 0.302 135.7±1.6 -202.0±1.9 —

2018-05-05T07:25:17.4 58243.813170 2002.04 59 0.752 -111.1±1.3 245.8±1.8 —

2018-05-24T04:20:28.2 58262.683816 1001.02 28 0.756 -109.4±1.1 261.1±1.6 —

EK Com 2016-04-27T04:04:04.6 57505.673517 4025.47 127 0.910 -45.6±1.0 — —

2017-05-15T04:43:42.1 57888.699969 1341.82 76 0.162 50.7±1.7 -284.9±2.5 —

2017-05-16T03:58:38.3 57889.668602 3631.43 127 0.792 -95.3±3.0 218.3±6.9 —

V384 Ser 2018-06-11T07:05:46.6 58280.799349 4025.47 176 0.324 85.7±5.6 -200.2±7.4 -2.1±0.2

2018-06-12T03:40:01.1 58281.656430 1842.33 122 0.513 -21.0±1.0 — -2.3±0.3

V1038 Her 2016-05-07T10:41:58.1 57515.948889 1341.82 104 0.646 -126.1±1.4 180.3±1.8 -2.6±0.5

2016-05-08T07:41:14.9 57516.823405 1341.82 89 0.907 -61.3±4.9 121.3±5.1 -1.2±0.4

2016-05-09T10:17:35.2 57517.931995 1341.82 89 0.041 -3.7±0.9 — -1.8±0.6

2017-06-15T05:50:09.9 57919.746312 447.27 66 0.342 138.2±1.5 -171.9±1.5 2.0±0.4

2017-06-16T04:22:22.8 57920.685336 4579.21 186 0.843 -93.1±3.9 142.6±5.2 -1.4±0.4

EH CVn 2017-04-17T05:39:11.7 57860.739841 2683.64 69 0.441 -35.0±0.8 — —

2017-04-18T05:14:02.7 57861.722358 1341.82 52 0.169 63.5±1.0 –229.1±1.2 —

J125403 2018-03-05T10:12:23.4 58182.928935 2002.04 41 0.784 -57.7±1.3 166.4±2.3 —

2018-03-09T10:09:39.3 58186.927029 2502.54 36 0.658 -26.6±1.2 — —

2018-03-31T07:50:41.8 58208.830191 2002.04 12 0.144 4.5±3.6 — —

2018-04-03T08:42:30.7 58211.866085 2002.04 30 0.438 -12.4±0.7 — —

2018-04-07T08:10:23.2 58215.843660 3003.05 45 0.236 29.1±1.7 -170.6±2.4 —

2018-04-23T06:39:31.7 58231.779918 1001.02 17 0.523 -17.2±1.3 — —

Note. ∗Retrieved from apVisit files. †Determined using the following initial ephemerides (HJD) and periods:
RV CVn: 2456001.8955 (for MJD 55703 to 56315; Diethelm 2012) and 2457855.4339 (for MJD 58000+; Pagel 2018), 0.269567 d;
EK Com: 2457465.5615 (Hubscher 2017), 0.266685 d; V384 Ser: 2458290.3866 (Pagel 2020), 0.268729 d; V1038 Her: 2457125.57364
(Juryšek et al. 2017), 0.268180 d; EH CVn: 2458172.1786 (Xia et al. 2018), 0.263583 d; J125403: 2458743.16197 (this study), 0.268798 d.
The phase for EK Com is half cycle corrected from Hubscher (2017) to be in phase with its light curve.
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Table 7. The spectroscopy log from LAMOST and the newly determined velocities.

Targets DATE-OBS∗ HJD∗ EXPTIME∗ SNR∗ phase† Vp Vs V3

(2,400,000+) (s) B band (km/s) (km/s) (km/s)

V384Ser 2020-06-07T14:27:27 59008.106167 1200 17 0.766 -126.3±3.9 197.0±2.8 -14.9±2.0

2020-06-07T14:50:48 59008.122381 1200 16 0.826 -123.2±3.1 177.2±2.3 -10.7±1.3

2020-06-07T15:14:12 59008.138631 1200 14 0.887 -107.8±5.0 128.4±4.3 -3.6±2.4

EHCVn 2019-03-13T18:08:55 58556.260475 1200 16 0.157 52.8±1.6 -200.1±1.6 —

2019-03-13T18:32:14 58556.276668 1200 15 0.219 70.1±2.1 -220.8±2.4 —

2019-03-13T18:55:33 58556.292861 1200 14 0.280 62.4±1.4 -228.4±1.7 —

2020-04-11T16:23:19 58951.187253 1200 28 0.459 — -42.9±0.3 —

2020-04-11T16:46:41 58951.203479 1200 25 0.520 — -38.7±0.7 —

2020-04-11T17:10:04 58951.219717 1200 29 0.582 -41.6±0.8 — —

Note. ∗Retrieved from single exposure spectra. †Determined using the following initial ephemerides (HJD) and periods:
V384 Ser: 2458985.59583 (this study), 0.268729 d; EH CVn: 2458172.1786 (Xia et al. 2018), 0.263583 d

Table 8. The observation of EK Com with MRES and the newly determined velocities.

DATE-OBS∗ HJD EXPTIME Phase† Vp Vs

(2,400,000+) (s) (km/s) (km/s)

2017-04-05T18:21:13 57849.26955 900 0.307 33.3± 1.5 -274.8± 1.5

2017-04-05T18:38:41 57849.28168 900 0.352 18.2± 1.3 -247.7± 1.4

2017-04-05T19:42:35 57849.32605 900 0.519 -27.2± 0.8 —

2017-04-05T19:58:01 57849.33677 900 0.559 — —

2017-04-05T21:06:11 57849.38411 900 0.737 -78.5± 1.7 249.0± 1.7

2017-04-05T21:21:37 57849.39483 900 0.777 -79.6± 1.7 241.5± 1.7

Table 9. The radial velocity fits and absolute elements of targets.

Objects V0 (km/s) A (M1 +M2) sin3 i M1 M2 R1 R2 L2 Ltot LG2

RV CVn 12(3) 1.98(4) 1.41(8) 0.48(3) 0.95(6) 0.65(3) 0.89(3) 0.34(1) 0.55(2) 0.564(11)

EK Com -30(9) 1.90(10) 1.28(19) 0.28(4) 1.02(15) 0.53(5) 0.95(9) 0.52(5) 0.73(7) 0.485(10)

V384 Ser -14.7(5) 1.92(5) 1.09(7) 0.48(3) 0.84(5) 0.65(3) 0.83(3) 0.31(1) ∗0.61(2) 0.846(13)

EH CVn -39(4) 2.00(6) 1.02(6) 0.55(5) 1.00(8) 0.68(2) 0.89(3) 0.36(2) 0.64(4) 0.484(8)

J125403 -11(6) 1.71(10) 0.32(5) 0.23(4) 0.71(13) 0.50(3) 0.84(5) 0.32(2) 0.49(4) 0.761(19)

V1038 Her 4(9) 1.95(15) 1.26(26) 0.53(12) 0.86(20) 0.67(5) 0.83(6) 0.31(5) ∗0.59(9) 0.623(31)

Note. Parameters without units noted are in the units of solar quantities. ∗Including the luminosity of a third body.
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Table 10. Parameters of K-type CBs with both photometric and spectroscopic measurements

Name Period qsp M sin3 i i Mp Ms Tp Tp − Ts f eL3 A/W Refs

(days) (M�) (◦) (M�) (M�) (K) (K) (%)

CC Com 0.2207 0.527 1.083 89.8 0.717 0.377 4200 -100±60 17 ... W (1),(2)

J1601 0.2265 0.67 ... 79.5 0.86 0.57 4500 ... 10 ... W (3)

V523 Cas 0.2337 0.516 1.110 83.1 0.75 0.38 4410 -326±5 16∗ ... W (4),VIII

RW Com 0.2373 0.471 1.052 74.9 0.80 0.38 4720 -180±20 6.1 ... W (5),XIV

J1508 0.2601 0.51 ... 90 1.07 0.55 4500 ... 12 ... W (3)

IL Cnc 0.2677 0.57 ... 73.6 0.90 0.51 4720 -280±20 9 ... W (6)

i Boo 0.2678 0.487 1.132 72.8 0.98 0.55 5300 265a ... 0.40c W (A) (7),IV

V1167 Her 0.2753 0.662 1.050 71.6 0.74 0.49 4640 -260±30 9.5 0.48 V W (5), XIII

VW Cep 0.2783 0.272 0.85 65.0 0.897 0.247 4930 -270±100 ... 0.12c W (8),(9)

XY Leo 0.2841 0.729 1.188 71.1 0.813 0.593 4524 -326±10 8 0.13 W (10),(11),XII

RW Dor 0.2854 0.68 0.987 76.9 0.64 0.43 4780 -420±200 – ... W (12),(13)

PY Vir 0.3113 0.773 1.387 68.9 0.964 0.745 4559 -271±136 0 0.08 W (14),VIII

BH Cas 0.4059 0.475 ... 71.7 0.73e 0.35 5555 -445±22 22 ... W (15),(16)

AH Vir 0.4075 0.303 1.754 85.2 1.360 0.412 5300 -480±200 23 Y W (17)

RV CVn 0.2696 0.507 1.41 84.2 0.95 0.48 4703 -147±2 9.8 < 0.01 T W This study

EK Com 0.2667 0.275 1.28 84.2 1.02 0.28 5000 -354±8 13.1 < 0.01 T W This study

V384 Ser 0.2687 0.575 1.09 69.6 0.84 0.48 4750 -312±31 5.4 0.09 T W This study

EH CVn 0.2636 0.551 1.02 60.7 1.00 0.55 4750 -365±6 14.5 ... W This study

J125403 0.2688 0.319 0.32 44.7 0.71 0.23 4750 -454±55 14.9 ... W This study

V1038 Her 0.2682 0.620 1.26 75.5 0.86 0.53 4750 -192±3 5.1 0.065 T W This study

OT Cnc 0.2178 0.474 0.280 37.6 0.835 0.396 4500 55±40 43 0.365 V A/W (18),(19)

J0930B 0.2277 0.397 ... 86 0.86 0.341 4700 ... 17 Y A/W (20),(21)

VZ Psc 0.2612 0.80 0.601 48 0.81 0.65 4500 390±60 -5 ... EB (22),(23)

V345 Gem 0.2748 0.142 1.054 61.2 1.371 0.195 6200 360±54 11 0.619 V A (19)

Note. J1601 = 1SWASP J160156.04+202821.6; J1508 = 1SWASP J150822.80-054236.9; J0930B = 1SWASP J093010.78+533859.5 B
ccalculated. eestimated. aaveraged value. T: Tess band. Y: a visual companion nearby (< 2′′)
Refs: (1) Köse et al. (2011), (2) Zola et al. (2010), (3) Lohr et al. (2014), (4) Zhang & Zhang (2004), (5) Djurašević et al. (2011), (6) Liu
et al. (2020), (7) Hill et al. (1989), (8) Hill (1989), (9) Kaszas et al. (1998), (10) Djurašević et al. (2006), (11) Zola et al. (2010), (12)
Hilditch et al. (1992), (13) Marino et al. (2007), (14) Deb & Singh (2011), (15) Zo la et al. (2001), (16) Metcalfe (1999), (17) Lu &
Rucinski (1993), (18) Rucinski & Pribulla (2008), (19) Gazeas et al. (2021), (20) Lohr et al. (2015), (21) Koo et al. (2014), (22) Hrivnak
et al. (1995), (23) Maceroni et al. (1990), VIII Rucinski et al. (2003), XIV Pribulla et al. (2009), IV Lu et al. (2001), XIII Rucinski et al.
(2008), XII Pribulla et al. (2007)
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Table 11. Newly determined minimum light times.

BJD Err NA Object

2,400,000+ (days)

58929.24999 0.00026 17 RV CVn

58929.92380 0.00009 16 RV CVn

58930.05881 0.00018 19 RV CVn

58930.46299 0.00007 15 RV CVn

58931.00221 0.00016 19 RV CVn

58931.13720 0.00017 19 RV CVn

... ... ... ...

58929.26165 0.00006 16 EK Com

58929.39510 0.00009 16 EK Com

58929.92845 0.00009 18 EK Com

... ... ... ...

58958.05189 0.00009 16 V384 Ser

58959.12703 0.00019 15 V384 Ser

58959.26099 0.00011 15 V384 Ser

... ... ... ...

... ... ... ...
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ABSTRACT

A sample of X-ray detected reverberation-mapped quasars provides a unique opportunity to compare cosmological constraints
inferred using twowell-established relations – the X-ray/UV luminosity (𝐿𝑋 −𝐿𝑈𝑉 ) relation and the broad-line region radius-UV
monochromatic luminosity (𝑅− 𝐿) relation. 𝐿𝑋 − 𝐿𝑈𝑉 and 𝑅− 𝐿 luminosity distances to the same quasars exhibit a distribution
of their differences that is generally positively skewed for the six cosmological models we consider. This behaviour can be
interpreted qualitatively to arise as a result of the dust extinction of UV/X-ray quasar emission. We show that the extinction
always contributes to the non-zero difference between 𝐿𝑋 − 𝐿𝑈𝑉 -based and 𝑅 − 𝐿-based luminosity distances and we derive a
linear relationship between the X-ray/UV colour index 𝐸𝑋−𝑈𝑉 and the median/mean value of the luminosity-distance difference,
which also depends on the value of the 𝐿𝑋 − 𝐿𝑈𝑉 relation slope. Taking into account the prevailing positive values of the
luminosity-distance difference median, we estimate an average X-ray/UV colour index of 𝐸𝑋−𝑈𝑉 = 0.089 ± 0.019 mag, while
the value based on the positive mean values of the difference is 𝐸𝑋−𝑈𝑉 = 0.050 ± 0.013 mag. We demonstrate that this amount
of extinction is typical for the majority of quasars since it originates in the circumnuclear and interstellar media of host galaxies.
It can only be slightly alleviated by the standard hard X-ray and far-UV extinction cuts used by Lusso et al. (2020). Consequently,
the 𝐿𝑋 − 𝐿𝑈𝑉 relation QSO data compilation of Lusso et al. (2020) cannot be used for cosmological purposes.

Key words: (cosmology:) cosmological parameters – (cosmology:) observations – (cosmology:) dark energy – (galaxies:)
quasars: emission lines – (ISM:) dust, extinction

1 INTRODUCTION

The spatially-flat ΛCDM cosmological model (Peebles 1984) is
largely consistent with most lower-redshift, 𝑧 . 2.3, observations
(Yu et al. 2018; eBOSS Collaboration 2021; Brout et al. 2022) as
well as with high-redshift cosmic microwave background (CMB)
data at 𝑧 ∼ 1100 (Planck Collaboration 2020). However, there are
several potential tensions between flat ΛCDM parameter values in-
ferred using different techniques (Perivolaropoulos & Skara 2022;
Moresco et al. 2022; Abdalla et al. 2022; Hu & Wang 2023). These

★ E-mail: zajacek@physics.muni.cz
† E-mail: bcz@cft.edu.pl
‡ E-mail: nkhadka@bellarmine.edu
§ E-mail: raj@cft.edu.pl
¶ CNPq Fellow, E-mail: spanda@lna.br
‖ E-mail: mary.martinez@uv.cl
★★ E-mail: ratra@phys.ksu.edu

can be addressed by improving the accuracy and precision of es-
tablished cosmological probes measurements, and also by looking
for alternative cosmological probes, especially in the redshift range
between nearby data and CMB data.
Active galactic nuclei, especially bright quasars (QSOs), appear to

be promising alternative probes due to their broad redshift coverage,
ranging from the nearby Universe (𝑧 = 0.00106 for NGC4395; Brum
et al. 2019) to 𝑧 ≈ 7.642 (J0313–1806; Wang et al. 2021). For
cosmological applications, so far three types of QSO data have been
more widely utilized: (i) QSO angular size observations (Cao et al.
2017; Ryan et al. 2019; Cao et al. 2020, 2021a,b, 2022a; Lian et al.
2021); (ii) data based on the non-linear relation between QSO X-ray
and UV luminosities, the 𝐿𝑋 −𝐿𝑈𝑉 relation (Risaliti & Lusso 2015,
2019; Khadka & Ratra 2020a,b, 2021, 2022; Lusso et al. 2020; Li
et al. 2021; Rezaei et al. 2022; Hu & Wang 2022; Colgáin et al.
2022; Dainotti et al. 2022; Petrosian et al. 2022; Khadka et al. 2023);
and, (iii) data based on the correlation between the rest-frame broad-

© 2023 The Authors
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2 Zajaček et al.

line region (BLR) time delay and the monochromatic luminosity, the
𝑅 − 𝐿 relation (Martínez-Aldama et al. 2019; Panda et al. 2019a,b;
Zajaček et al. 2021; Khadka et al. 2021a, 2022a,b; Czerny et al. 2021,
2023c; Panda 2022; Cao&Ratra 2022, 2023; Cao et al. 2022c; Panda
& Marziani 2023). In addition to these methods, Elvis & Karovska
(2002) suggested using angular diameters of the BLR to measure
the cosmological constant Λ (also see Wang et al. 2020) and Collier
et al. (1999) as well as Cackett et al. (2007) discussed application of
continuum reverberation mapping to measure the Hubble constant.
Also, the H0LiCOW (H0 Lenses in COSMOGRAIL’s Wellspring)
program based on time delays between lensed images of QSOs has
measured the Hubble constant (Birrer et al. 2020).
QSO standardization based on the 𝐿𝑋 −𝐿𝑈𝑉 relation and the con-

structed Hubble diagram has led to claims of strong cosmological
constraints and tension with the ΛCDM model with non-relativistic
matter density parameter Ω𝑚0 ∼ 0.3 (Risaliti & Lusso 2019; Lusso
et al. 2020). However, the analyses of Risaliti & Lusso (2019) and
Lusso et al. (2020) were approximate and based on incorrect as-
sumptions (Khadka & Ratra 2020a,b, 2021, 2022; Banerjee et al.
2021; Petrosian et al. 2022) and the correct technique for analysis
of these data was developed by Khadka & Ratra (2020a). Given the
current quality of these data, one must use them to simultaneously
determine the 𝐿𝑋 − 𝐿𝑈𝑉 relation parameters and the cosmological
model parameters, and one must also study a number of different
cosmological models to determine whether 𝐿𝑋 − 𝐿𝑈𝑉 relation pa-
rameter values are independent of the assumed cosmological model.
If the 𝐿𝑋 − 𝐿𝑈𝑉 relation parameter values are independent of the
assumed cosmological model the QSOs are standardizable and the
circularity problem is circumvented. We emphasize however that,
when correctly analyzed, the most recent Lusso et al. (2020) data
compilation is not standardizable (Khadka & Ratra 2021, 2022), be-
cause the 𝐿𝑋 − 𝐿𝑈𝑉 relation parameters depend on the assumed
cosmological model as well as on redshift (Khadka & Ratra 2021,
2022). Khadka & Ratra (2022) discovered that the largest of the
seven sub-samples in the Lusso et al. (2020) QSO compilation, the
SDSS-4XMM one that contains about 2/3 of the total QSOs, has an
𝐿𝑋 − 𝐿𝑈𝑉 relation that depends on the cosmological model and on
redshift and is the main source of the problem with the Lusso et al.
(2020) data.
On the other hand, the BLR 𝑅 − 𝐿 relation parameters generally

appear independent of the adopted cosmological model (Khadka
et al. 2021a, 2022a,b; Cao et al. 2022c). Cosmological constraints
are weak, but for Mg ii and C iv QSOs they are consistent with
those from better-established probes (Khadka et al. 2022b; Cao et al.
2022c). However, there is a 2𝜎 tension between the constraints given
by H𝛽 QSOs and those from the better-established probes (Khadka
et al. 2022a). The tension, and possible systematic issues, related
to H𝛽 QSOs will need to be addressed when more reverberation-
mapped (RM) QSOs are available, e.g., from the upcoming Vera C.
Rubin telescope and its Legacy Survey of Space and Time, LSST
(see e.g. Ivezić et al. 2019; Panda et al. 2019a; Czerny et al. 2023a)
and the Sloan Digital Sky Survey V (SDSS-V) Black Hole Mapper
(Almeida et al. 2023).
In summary, both 𝐿𝑋 − 𝐿𝑈𝑉 relation and 𝑅− 𝐿 relation data pro-

vide cosmological constraints, which is encouraging, but they have
their own systematic problems that require further study. Recently,
we analyzed a sample of 58 X-ray detected RMMg iiQSOs (Khadka
et al. 2023), from which we measured both 𝐿𝑋 − 𝐿𝑈𝑉 relation
and 𝑅 − 𝐿 relation parameter values that are consistent with values
measured using larger samples. The goal was to compare cosmolog-
ical constraints inferred from the QSOs for both these relations. A
main result of this study was that while the 𝑅 − 𝐿 relation measure-

ments favored a smaller Ω𝑚0 value consistent with the Ω𝑚0 ∼ 0.3
value measured using better-established cosmological probes data,
the 𝐿𝑋 − 𝐿𝑈𝑉 relation measurements favored a larger value of Ω𝑚0
than the better-established cosmological probes value.

In Khadka et al. (2023) we showed this is in agreement with the
tendency for luminosity distances based on 𝐿𝑋 − 𝐿𝑈𝑉 relation data
to have a mean value smaller than luminosity distances based on
𝑅 − 𝐿 relation data, for the same QSOs. The median 𝐿𝑋 − 𝐿𝑈𝑉

relation luminosity distance values, on the other hand, are mostly
larger except for the flat and non-flat XCDM models. We note that
these results are based on the distribution of the luminosity-distance
difference (log𝐷𝐿,𝑅−𝐿−log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

) normalized by the square
root of the quadratic sum of the corresponding uncertainties.

Here we revisit the non-zeromedian (mean) of the difference of the
luminosity distances based on 𝐿𝑋 − 𝐿𝑈𝑉 relation and 𝑅− 𝐿 relation
data sets. It is expected that, in the absence of systematic effects, the
median (mean) of the distance difference distribution should vanish
within uncertainties sincewe construct the distribution from the same
sample of sources and the luminosity distance to a particular source
must be the same for both methods. The offset from zero hints at
a systematic effect in one or both data sets and demands further
analysis.

We propose that the offset in the (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿)

distribution may be attributed to the extinction (absorption and scat-
tering) of UV and X-ray photons along the line of sight. Since
the extinction curve generally increases from the UV (2500Å) to
the soft X-ray bands (2 keV), we evaluate the differential extinc-
tion or the optical depth difference between X-ray and UV bands,
𝜏𝑋 − 𝜏𝑈𝑉 . Specifically, we derive a simple analytical relation be-
tween 𝜏𝑋 −𝜏𝑈𝑉 and the slope 𝛾′ of the 𝐿𝑋 −𝐿𝑈𝑉 relation as well as
the luminosity-distance difference (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿),
i.e. 𝜏𝑋 − 𝜏𝑈𝑉 = 𝑓 (𝛾′, log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿). This way
the mean differential extinction effect, or the X-ray/UV colour index,
can be directly inferred for the current sample of 58 X-ray RMQSOs
as well as any future sample of such sources.

We show that the positive skewness of (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
−

log𝐷𝐿,𝑅−𝐿) distributions for all the considered cosmological mod-
els, including the flat ΛCDM model, with prevailing positive me-
dians, can be explained by a mild extinction of the UV and X-ray
flux densities from QSOs. The median UV/X-ray colour index is
estimated to be 0.089 ± 0.019 mag (the mean value is 0.050 ± 0.013
mag) for the sample of 58 X-ray detected, RM sources (Khadka et al.
2023). We demonstrate that this amount of extinction is typical for
the majority of QSOs, originates in the circumnuclear and interstellar
media of host galaxies (Czerny et al. 2004), and is only slightly alle-
viated by standard hard X-ray and far-UV extinction cuts (Lusso et al.
2020). Consequently, the 𝐿𝑋 − 𝐿𝑈𝑉 relation QSO data compilation
of Lusso et al. (2020) cannot be used for cosmological purposes.

Our paper is structured as follows. In Section 2 we describe the
characteristics of the dataset of X-ray RM QSOs. In Section 3 we
summarize the calculation method for luminosity distances and the
different cosmological models we utilize. Subsequently, in Section 4,
we derive the relation between the X-ray and UV optical depth differ-
ence (colour index) and the luminosity-distance difference. Our main
results are presented in Section 5. We provide additional discussion
of the source selection and our results in Section 6 and conclude in
Section 7.

MNRAS 000, 1–12 (2023)
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Figure 1. The position of the sample of 58 X-ray detected RM sources on the sky. Right ascension (RA expressed in hours) is along the 𝑥-axis, while declination
(DEC expressed in degrees) is along the 𝑦-axis. The white dotted circle in the North hemisphere denotes the sample of 53 SDSS-RM sources (Shen et al. 2016,
2019; Homayouni et al. 2020), while the five remaining sources (Metzroth et al. 2006; Yu et al. 2021) are more scattered to the south. The figure also shows
the dust extinction map of the Milky Way (red-orange band) colour-coded using the logarithm of the (𝐵 − 𝑉 ) colour index 𝐸𝐵−𝑉 according to Schlegel et al.
(1998). The position of the Galactic center (Sgr A*) is marked by a white star, while the North and the South Galactic poles are depicted by plus signs. The
Ecliptic plane and the surrounding band of ± 10 degrees are represented by the white dashed line and the gray shaded area, respectively.

2 DATA DESCRIPTION

The sample of X-ray-detected RM QSOs consists of 58 sources with
59 measurements of BLR time delays since the time delay for NGC
4151 was measured twice (Metzroth et al. 2006). The sample is
described in detail in Khadka et al. (2023) and we list the main ob-
servables, i.e. the redshift 𝑧, the rest-frame Mg ii time delay 𝜏, 2 keV
flux density per frequency 𝐹𝑋 , 2500Å flux density per frequency
𝐹𝑈𝑉 , and 3000Å flux density 𝐹3000, in Appendix A of Khadka
et al. (2023). The sample consists of 53 sources from the Sloan
Digital Sky Survey RM programme (SDSS-RM; Shen et al. 2016,
2019; Homayouni et al. 2020), NGC 4151 (Metzroth et al. 2006),
and 4 sources from the OzDES RM programme (Yu et al. 2021). The
sample position on the sky with respect to the Galactic plane and
the Galactic center (Sgr A*; Eckart et al. 2017) is shown in Fig. 1,
which is colour-coded using the decadic logarithm of the (𝐵 − 𝑉)
colour index log 𝐸𝐵−𝑉 according to Schlegel et al. (1998).
The redshift range of the sources is 0.0041 ≤ 𝑧 ≤ 1.686 with

a median 𝑧 of 0.990 and 16% and 84% percentiles at 0.527 and
1.454, respectively. Considering the flat ΛCDM model with Ω𝑚0 =
0.3, the 2 keV luminosities range between 1.9 × 1041 erg s−1 and
6.1 × 1044 erg s−1 with a median value of 4.4 × 1043 erg s−1, the
UV luminosities at 2500Å range between 1.2 × 1043 erg s−1 and
1.3× 1046 erg s−1 with a median value of 9.3× 1044 erg s−1, and the
rest-frame time delays of the broad Mg ii line range between 5.3 and
387.9 days with a median value of 92.0 days.
In addition, we analyze a subsample of 21 sources that meet the

hard X-ray index and far UV slope criteria of Lusso et al. (2020).
The subsample was already described in Khadka et al. (2023).1

1 Using the source identification (ID) of Khadka et al. (2023) (see their
Appendix A), the IDs of the sources are the following: 18, 28, 44, 118, 159,

The redshift range of the subsample is 0.418 ≤ 𝑧 ≤ 1.587 with a
median of 0.919 and 16% and 84% percentiles of 0.4810 and 1.3394,
respectively. For the flat ΛCDM model with Ω𝑚0 = 0.3, the 2 keV
luminosities of the subsample range between 1.6 × 1043 erg s−1 and
1.5×1044 erg s−1 with a median of 4.8×1043 erg s−1, the 2500Å UV
luminosities range between 5.9× 1043 erg s−1 and 4.8× 1045 erg s−1
with a median value of 9.5 × 1044 erg s−1, and the rest-frame time
delays of theMg ii broad-line emission range between 17.2 and 387.9
days with a median value of 99.1 days.

3 COSMOLOGICAL MODELS AND PARAMETERS

The application of these QSO observations in cosmology depends
on the empirical measurement of the QSO luminosity distances. This
requires the assumption of a cosmological model. However, to de-
termine whether or not the QSOs are standardizable requires that
we study them in a number of different cosmological models to see
whether or not the empirical correlation relation used to determine
their luminosities is independent of the assumed cosmological model
(Khadka & Ratra 2020c). In this paper, we use three spatially-flat
and three spatially non-flat2 cosmological models to determine QSO

185, 260, 280, 301, 303, 338, 440, 449, 459, 522, 588, 675, J141214, J141018,
J141650, and J141644.
2 For discussions of constraints on spatial curvature see Rana et al. (2017),
Ooba et al. (2018b), Park & Ratra (2019a), DES Collaboration (2019), Efs-
tathiou & Gratton (2020), Di Valentino et al. (2021), Khadka et al. (2021b),
Dhawan et al. (2021), Renzi et al. (2022), Geng et al. (2022), Cao et al.
(2022b), Mukherjee & Banerjee (2022), Glanville et al. (2022), Wu et al.
(2023), de Cruz Pérez et al. (2023), Dahiya & Jain (2022), Stevens et al.
(2022), Favale et al. (2023), and references therein.

MNRAS 000, 1–12 (2023)
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luminosity distances. In any cosmological model, the luminosity dis-
tance can be computed as a function of redshift (𝑧) and cosmological
parameters (p) in the following way,

𝐷𝐿 (𝑧, p) =



𝑐 (1+𝑧)
𝐻0

√
Ω𝑘0
sinh

[
𝐻0

√
Ω𝑘0
𝑐 𝐷𝐶 (𝑧, p)

]
if Ω𝑘0 > 0,

(1 + 𝑧)𝐷𝐶 (𝑧, p) if Ω𝑘0 = 0,

𝑐 (1+𝑧)
𝐻0
√
|Ω𝑘0 |

sin
[
𝐻0
√
|Ω𝑘0 |
𝑐 𝐷𝐶 (𝑧, p)

]
if Ω𝑘0 < 0.

(1)

Here 𝑐 is the speed of light, 𝐻0 is the Hubble constant, Ω𝑘0 is
the current value of the spatial curvature energy density parameter,
and 𝐷𝐶 (𝑧, p) is the comoving distance. 𝐷𝐶 (𝑧, p) is computed as a
function of 𝑧 and p for a given cosmological model as follows,

𝐷𝐶 (𝑧, p) = 𝑐

∫ 𝑧

0

𝑑𝑧′

𝐻 (𝑧′, p) , (2)

where 𝐻 (𝑧, p) is the Hubble parameter that is given next for the six
cosmological models we use in this paper.
In compact form, the Hubble parameter in all six models (spatially

flat/non-flat ΛCDM model, XCDM parametrization, and 𝜙CDM
model) can be written as

𝐻 (𝑧) = 𝐻0

√︃
Ω𝑚0 (1 + 𝑧)3 +Ω𝑘0 (1 + 𝑧)2 +Ω𝐷𝐸 (𝑧), (3)

where Ω𝑘0 vanishes in the spatially-flat models. For the ΛCDM
models and XCDM parametrizations,Ω𝐷𝐸 (𝑧) =Ω𝐷𝐸0 (1+ 𝑧)1+𝜔𝑋 ,
whereΩ𝐷𝐸0 is the current value of the dark energy density parameter
and𝜔𝑋 is the dark energy equation of state parameter. For theΛCDM
models 𝜔𝑋 = −1 and for the 𝑋CDM parametrizations 𝜔𝑋 is a free
parameter to be determined from observational data. For the 𝜙CDM
models (Peebles & Ratra 1988; Ratra & Peebles 1988; Pavlov et al.
2013),Ω𝐷𝐸 (𝑧) =Ω𝜙 (𝑧, 𝛼) can be obtained by solving the equations
of motion of a spatially homogeneous scalar field model numerically.
Here 𝛼 is a positive parameter characterizing the inverse-power-law
potential energy density of the dynamical dark energy scalar field
(𝜙) and can be constrained by using observational data.3
To determine QSO luminosity distances using empirical correla-

tion relations, Eqs. (4) and (6) below, we perform likelihood analysis
of predicted luminosity distances in a given cosmological model us-
ing Eq. (1) and the observational luminosity distances obtained from
Eq. (5) or Eq. (7) below. This allows us to measure the nuisance
parameters involved in the correlation relation (and check whether
they are independent of cosmological model parameters) and that
ultimately leads us to the determination of the QSO luminosity dis-
tances. For a detailed description of the computational method and
the determination of QSO luminosity distances used in this paper see
Khadka et al. (2023).

4 UV AND X-RAY EXTINCTION AND LUMINOSITY
DISTANCES

The source intrinsic UV and X-ray flux densities (per frequency)
at 2500Å and 2 keV, 𝐹𝑈𝑉 ,𝑖 and 𝐹𝑋,𝑖 , respectively, are not af-
fected by extinction. The corresponding luminosities are calculated

3 For discussions of constraints on the 𝜙CDM model see Zhai et al. (2017),
Ooba et al. (2018a, 2019), Park & Ratra (2018, 2019b, 2020), Solà Peracaula
et al. (2019), Singh et al. (2019), Ureña-López & Roy (2020), Sinha &
Banerjee (2021), Xu et al. (2022), de Cruz Perez et al. (2021), Jesus et al.
(2022), Adil et al. (2023), Dong et al. (2023), Van Raamsdonk & Waddell
(2023), and references therein.

as 𝐿𝑈𝑉 ,𝑖 = 4𝜋𝐷2L𝐹𝑈𝑉 ,𝑖 and 𝐿𝑋,𝑖 = 4𝜋𝐷2L𝐹𝑋,𝑖 , where 𝐷L is the
luminosity distance of a given QSO.
For the 𝑅 − 𝐿 relation, the corresponding UV luminos-

ity is expressed at 3000Å, 𝐿3000,𝑖 = 4𝜋𝐷2L𝐹3000,aa3000 =

4𝜋𝐷2L𝐹𝑈𝑉 ,𝑖 (2500/3000)𝛼a a3000, where 𝛼a ' −0.45 is the mean
QSO continuum slope in the frequency domain (𝐹a ∝ a𝛼a ; Vanden
Berk et al. 2001) and a3000 is the frequency corresponding to 3000Å.
The 𝑅 − 𝐿 relation is written in the form,

log
(

𝜏

days

)
= 𝛽 + 𝛾 log

(
𝐿3000,𝑖

10[ erg s−1

)
(4)

where 𝛾, 𝛽, and [ represents the slope, intercept, and normalization
coefficients, respectively, and log ≡ log10 is the decadic logarithm.
From Eq. (4), we can derive an expression for the luminosity distance
𝐷𝐿,𝑅−𝐿 as a function of 𝜏, 𝐹𝑈𝑉 ,𝑖 , and the coefficients of the 𝑅 − 𝐿

relation,

log𝐷𝐿,𝑅−𝐿 = (5)
1
2𝛾

{log 𝜏 − 𝛽 − 𝛾 [log (4𝜋) + log 𝐹𝑈𝑉 ,𝑖 + 15.04 − []} .

The 𝐿𝑋 − 𝐿𝑈𝑉 relation considering the intrinsic X-ray and UV
luminosities of the source 𝐿𝑋,𝑖 and 𝐿𝑈𝑉 ,𝑖 located at the luminosity
distance 𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

can be expressed as

log
(

𝐿𝑋,𝑖

erg s−1 Hz−1

)
= 𝛽′ + 𝛾′ log

(
𝐿𝑈𝑉 ,𝑖

10[′ erg s−1Hz−1

)
, (6)

where 𝛽′, 𝛾′, and [′ denote quantities analogous to those in Eq. (4).
The luminosity distance 𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

inferred from the 𝐿𝑋 − 𝐿𝑈𝑉

relation given in Eq. (6) is,

log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
= (7)

1
2(1 − 𝛾′) [𝛽

′ + (𝛾′ − 1) log (4𝜋) + 𝛾′(log 𝐹𝑈𝑉 ,𝑖 − [′) − log 𝐹𝑋,𝑖] .

Taking into account just the intrinsic UV and X-ray flux densities,
we evaluate the luminosity-distance difference,

(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿)𝑖 = 𝛿 +

log 𝐹𝑈𝑉 ,𝑖 − log 𝐹𝑋,𝑖

2(1 − 𝛾′) , (8)

where the factor 𝛿 is a function of 𝛾, 𝛽, 𝛾′, 𝛽′, and 𝜏,

𝛿 =
𝛽 − log 𝜏
2𝛾

+ 𝛽′ − 𝛾′[′

2(1 − 𝛾′) + 7.52 −
[

2
. (9)

In the following we assume that, in the absence of a system-
atic effect, the luminosity distance difference for a given source,
and the statistical mean (median) of the luminosity distance dif-
ferences, vanish, i.e. (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿)𝑖 ≡ 0, hence
𝛿+(log 𝐹𝑈𝑉 ,𝑖−log 𝐹𝑋,𝑖)/[2(1−𝛾′)] = 0. However, during the prop-
agation of light through the circumnuclear and interstellar medium
of the host galaxy, both UV and X-ray photons are absorbed and
scattered with wavelength-dependent optical depths 𝜏𝑈𝑉 and 𝜏𝑋 ,
respectively. The observed flux densities are therefore attenuated
following the exponential law, 𝐹𝑈𝑉 = 𝐹𝑈𝑉 ,𝑖 exp (−𝜏𝑈𝑉 ) and
𝐹𝑋 = 𝐹𝑋,𝑖 exp (−𝜏𝑋 ). Hence, the resulting luminosity-distance dif-
ference under the influence of extinction in both the UV and X-ray
domains is,

(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿)ext = (10)

𝛿 +
log 𝐹𝑈𝑉 ,𝑖 − log 𝐹𝑋,𝑖

2(1 − 𝛾′) + (𝜏𝑋 − 𝜏𝑈𝑉 ) log 𝑒
2(1 − 𝛾′) ' (𝜏𝑋 − 𝜏𝑈𝑉 ) log 𝑒

2(1 − 𝛾′) ,

where the second equation follows because the sum of the first two
terms on the right-hand side of the first of Eqs. (10) is intrinsically
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zero. In Eq. (10), log 𝑒 denotes the decadic logarithm of Euler’s
number, i.e. log 𝑒 ' 0.434. Consequently, the optical depth difference
𝜏𝑋 − 𝜏𝑈𝑉 can be expressed as a function of the luminosity-distance
difference and the slope 𝛾′ of the 𝐿𝑋 − 𝐿𝑈𝑉 relation,

𝜏𝑋 − 𝜏𝑈𝑉 =
2(1 − 𝛾′)
log 𝑒

(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿)ext . (11)

The extinction in magnitudes at a given wavelength is directly pro-
portional to the optical depth, 𝐴_ = 1.086𝜏_. Hence we can express
the X-ray/UV colour excess as

𝐸𝑋−𝑈𝑉 ≡ 𝐴𝑋 − 𝐴𝑈𝑉 ' (12)

' 5.001(1 − 𝛾′)
〈
(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿)ext
〉
,

where the angular brackets represent the median or the mean value of
the luminosity-distance difference for a given population of QSOs.

5 RESULTS

We use Eq. (12) to compute
〈
(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿)ext
〉

for the sample of 58 X-ray detected RM QSOs. In Khadka et al.
(2023) we simultaneously measured the 𝑅 − 𝐿 or 𝐿𝑋 − 𝐿𝑈𝑉 re-
lation parameters and the cosmological-model parameters for six
different cosmological models – flat and non-flat ΛCDM, XCDM,
and 𝜙CDM. Based on the cosmological parameter values, we com-
puted the 𝑅 − 𝐿-based and 𝐿𝑋 − 𝐿𝑈𝑉 -based luminosity distances,
𝐷𝐿,𝑅−𝐿 and 𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

, respectively. Figure 2 shows distribu-
tions of log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿 . In comparison with Khadka
et al. (2023), here we construct distributions of non-normalized
luminosity-distance differences, from which 𝐸𝑋−𝑈𝑉 can be inferred
using Eq. (12). The normalized luminosity-distance distributions
computed in Khadka et al. (2023) are appropriate for comparing
the 𝑅 − 𝐿-based and 𝐿𝑋 − 𝐿𝑈𝑉 -based luminosity distances for each
source.
For the graphical representation in Fig. 2, we binned

(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
−log𝐷𝐿,𝑅−𝐿) into ten bins in the range (−3, 3), on

a uniform grid with bin width of 0.6. The uncertainty in the number
of sources falling into the bin is estimated as 𝜎𝑦,𝑖 =

√
𝑁𝑖 , while the

uncertainty in the luminosity-distance difference is estimated from
the mean-variance for each bin through

𝜎𝑥,𝑖 =

[
1
𝑁

∑︁
𝑖

(𝜎2log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
,𝑖
+ 𝜎2log𝐷𝐿,𝑅−𝐿 ,𝑖

)
]1/2

. (13)

The uncertainty in the luminosity-distance difference 𝜎𝑥,𝑖 has the
mean value of 0.39 for the flat ΛCDM model, which is comparable
to the bin half-width. This justifies the applied binning.
The distributions of the luminosity distance differences have com-

mon characteristics. At first glance, the peak of each distribution
(the bin with the largest number of sources) is shifted to the pos-
itive side, which hints at positive values of 𝜏𝑋 − 𝜏𝑈𝑉 and hence
also 𝐸𝑋−𝑈𝑉 . We summarize the main characteristics, specifically
the distribution median, 16%, and 84% percentiles, mean, standard
deviation, skewness, Fisher’s kurtosis, and the Kolmogorov-Smirnov
test statistic, in Table 1. For four out of six models, the median is
positive; it is negative for the flat and non-flat XCDM models. The
mean value is positive for flat ΛCDM, flat and non-flat 𝜙CDMmod-
els. All of the distributions are positively skewed and their Fisher’s
kurtosis is greater than zero, which implies a heavier tail than for
the normal distribution. The two-sample Kolmogorov-Smirnov (KS)
test is applied between each model and the flat ΛCDMmodel. All of
the KS 𝑝-values are close to one, hence the null hypothesis that the

(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿) distributions are drawn from the

same underlying distribution as the one for the flat ΛCDM model is
valid.
We first evaluate 𝐸𝑋−𝑈𝑉 using the median values of

(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿) in Table 2, where we also list the

corresponding best-fit values of the slope 𝛾′ of the 𝐿𝑋 − 𝐿𝑈𝑉 re-
lation. The X-ray/UV colour index 𝐸𝑋−𝑈𝑉 is expressed in magni-
tudes and, as seen from Eq. (12), its value is greater than the median
luminosity-distance offset by about a factor of two. The maximum
value is 𝐸𝑋−𝑈𝑉 = 0.108±0.020mag for the non-flat 𝜙CDMmodel,
while the smallest value is 𝐸𝑋−𝑈𝑉 = −0.104 ± 0.020 mag for the
flat XCDMmodel. For the flat and non-flatΛCDM and 𝜙CDMmod-
els, the value of the colour index is positive, while for the flat and
non-flat XCDM models, 𝐸𝑋−𝑈𝑉 is negative based on the nega-
tive median values of (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿). Consider-
ing all the absolute values, we obtain the mean absolute value of
|𝐸 |𝑋−𝑈𝑉 = 0.092± 0.017mag, while only the positive values yield
the mean value 𝐸𝑋−𝑈𝑉 = 0.089 ± 0.019 mag.
Ifwe consider themean values of (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

−log𝐷𝐿,𝑅−𝐿)
(see Table 2), the maximum colour index of 0.060 ± 0.011 mag
is found for the non-flat 𝜙CDM model, while the minimum value
of −0.159 ± 0.030 mag is for the non-flat XCDM model. We find
positive values of 𝐸𝑋−𝑈𝑉 for the flat ΛCDM, flat and non-flat
𝜙CDM models, while for the non-flat ΛCDM, flat and non-flat
XCDM models 𝐸𝑋−𝑈𝑉 is negative. Considering all the absolute
values, we obtain the mean absolute X-ray/UV colour index of
|𝐸 |𝑋−𝑈𝑉 = 0.077±0.057mag. Taking into account just the positive
values, we obtain 𝐸𝑋−𝑈𝑉 = 0.050 ± 0.013 mag.
We show the distributions of 𝐸𝑋−𝑈𝑉 (in magnitudes) for flat and

non-flat ΛCDM, XCDM, and 𝜙CDM cosmological models in Fig. 3,
where the distribution means are depicted with red solid vertical
lines, medians are represented by red vertical dashed lines, and the
16%- and 84%-percentiles are shown with red vertical dotted lines.
The basic statistical properties of these distributions are summarized
in Table 2.
The positive value of the 𝐸𝑋−𝑈𝑉 index in most of the cosmo-

logical models, including the flat ΛCDM model, implies that the
extinction is present in the sample, and the effect is actually stronger
in the X-ray band than in the UV band. If we assume zero extinc-
tion in the UV domain, then we can convert the mean value of
𝐸𝑋−𝑈𝑉 = 0.050 ± 0.013 mag to the hydrogen column density 𝑁𝐻

which is customarily used in X-ray studies. Assuming just elec-
tron scattering, we can derive the mean intrinsic column density
𝑁𝐻 = 6.9 × 1021 cm−2, which is moderate. It can even be lower if
the effect is partially due to X-ray absorption. If UV extinction is also
present, then the corresponding 𝑁𝐻 would clearly be higher since
we determine only the difference of the two effects. However, it is
not likely that the two effects just compensate, so both X-ray and UV
extinction effects are noticeable but not dramatically strong in our
sample.
Assuming that in our sample UV extinction is negligible, we can

use the mean X-ray extinction determined by our sample to correct
the measured values of the log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

. All actual values should
be 0.032 larger if corrected for the X-ray extinction. When used for
the flat ΛCDM cosmology, it systematically pushes the best solution
towards significantly higher values of Ω𝑚0, roughly by 0.14, as esti-
mated from the standard cosmology calculator for a median redshift
of 0.99, as in our sample.
Our analysis results in only the difference in the extinction effect

in X-ray and UV bands and we cannot correct the sample without
additional spectral studies.
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Figure 2. Distributions of the quasar luminosity-distance differences log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿 for 58 sources for flat and non-flat ΛCDM, XCDM, and

𝜙CDM cosmological models (from top to bottom row). The X-ray/UV colour index 𝐸𝑋−𝑈𝑉 = 5.001(1− 𝛾′) (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿) is enumerated

along the top 𝑥 axis in each panel. Solid red vertical lines are the difference means, dashed red vertical lines are the difference medians, and dotted red vertical
lines are 16% and 84% percentiles. The bin width is 0.6 and the histogram 𝑦 uncertainties for each bin are 𝜎𝑦,𝑖 =

√
𝑁𝑖 where 𝑁𝑖 is the number of points in

each bin. The 𝑥 errorbars for each bin are 𝜎𝑥,𝑖 = [ (1/𝑁 ) ∑𝑖 (𝜎2log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
,𝑖
+ 𝜎2log𝐷𝐿,𝑅−𝐿 ,𝑖

) ]1/2.
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Figure 3. Distributions of the X-ray/UV colour indices 𝐸𝑋−𝑈𝑉 for 58 sources for flat and non-flat ΛCDM, XCDM, and 𝜙CDM cosmological models (from
top to bottom row). The X-ray/UV colour index 𝐸𝑋−𝑈𝑉 = 5.001(1 − 𝛾′) (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿) is calculated based on the luminosity distances
for each source and the 𝐿𝑋 − 𝐿𝑈𝑉 relation slope for each cosmological model. Solid red vertical lines stand for 𝐸𝑋−𝑈𝑉 means, dashed red vertical lines are
𝐸𝑋−𝑈𝑉 medians, and dotted red vertical lines are the corresponding 16% and 84% percentiles. The bin width is 1.2 and the histogram 𝑦 uncertainties for each
bin are 𝜎𝑦,𝑖 =

√
𝑁𝑖 where 𝑁𝑖 is the number of points in each bin. The 𝑥 errorbars for each bin are estimated using 𝜎𝑥,𝑖 = [ (1/𝑁 ) ∑𝑖 (𝜎2𝐸𝑋−𝑈𝑉 ,𝑖

) ]1/2 where
𝜎2
𝐸𝑋−𝑈𝑉 ,𝑖

is calculated by the error propagation of the luminosity-distance uncertainties as well as the 𝐿𝑋 − 𝐿𝑈𝑉 relation slope uncertainties.
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Table 1. Characteristics of the distributions (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿) for six cosmological models listed in the first column. The distributions are

graphically depicted in Fig. 2. From the left to the right columns, we list the distribution median, 16%- and 84%-percentiles, mean, standard deviation, skewness,
Fisher’s kurtosis, and the Kolmogorov-Smirnov (KS) test statistic including the corresponding 𝑝-value.

Model Median 16% 84% Mean Standard deviation Skewness Fisher’s kurtosis KS test
flat ΛCDM 0.0423 -0.7036 0.6080 0.0167 0.8059 0.2307 1.4888 0.0000, 𝑝 = 1.0000
non-flat ΛCDM 0.0310 −0.7229 0.5806 −0.0030 0.7786 0.2137 1.4800 0.0690, 𝑝 = 0.9993
flat XCDM −0.0539 −0.7911 0.5106 −0.0768 0.8055 0.2355 1.4910 0.1034, 𝑝 = 0.9192
non-flat XCDM −0.0490 −0.7969 0.5003 −0.0812 0.7790 0.2170 1.4818 0.1034, 𝑝 = 0.9192
flat 𝜙CDM 0.0534 −0.6766 0.6097 0.0293 0.7930 0.2327 1.4897 0.0345, 𝑝 = 1.0000
non-flat 𝜙CDM 0.0556 −0.6780 0.6128 0.0307 0.7940 0.2314 1.4890 0.0517, 𝑝 = 1.0000
flat ΛCDM - 21 0.1869 −0.4825 0.5173 0.0114 0.5429 −0.7579 −0.0839 0.1552, 𝑝 = 0.7855

Table 2.Mean colour index 𝐸𝑋−𝑈𝑉 in magnitudes for six cosmological models inferred from the median and the mean of the luminosity-distance differences
(second and fifth columns in Table 1) and the best-fit slope of the 𝐿𝑋 − 𝐿𝑈𝑉 relation (second column). The quoted error is the error of the mean and the median,
correspondingly. 16%- and 84%- percentiles are based on the distributions shown in Fig. 3.

Model 𝛾′ 𝐸𝑋−𝑈𝑉 [mag] (median) 𝐸𝑋−𝑈𝑉 [mag] (mean) 𝐸𝑋−𝑈𝑉 16% percentile 𝐸𝑋−𝑈𝑉 84% percentile
flat ΛCDM 0.616 ± 0.074 0.081 ± 0.016 0.032 ± 0.006 -1.351 1.168
non-flat ΛCDM 0.609 ± 0.073 0.061 ± 0.011 −0.006 ± 0.001 -1.413 1.135
flat XCDM 0.614 ± 0.075 −0.104 ± 0.020 −0.148 ± 0.029 -1.527 0.986
non-flat XCDM 0.608 ± 0.075 −0.096 ± 0.018 −0.159 ± 0.030 -1.562 0.981
flat 𝜙CDM 0.609 ± 0.073 0.104 ± 0.019 0.057 ± 0.011 -1.323 1.192
non-flat 𝜙CDM 0.610 ± 0.073 0.108 ± 0.020 0.060 ± 0.011 -1.322 1.195
flat ΛCDM - 21 0.610 ± 0.100 0.364 ± 0.093 0.022 ± 0.006 -0.941 1.009

6 DISCUSSION

We have demonstrated that the positive skewness of the
(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿) distributions, and the prevailing
positive medians, can be attributed to the median moderate extinc-
tion in X-ray detected RM quasars, which can be evaluated in terms
of the X-ray/UV colour index as 𝐸𝑋−𝑈𝑉 = 0.089 ± 0.019 mag
when the positive median values of the luminosity-distance differ-
ence are considered for four out of six cosmological models. Based
on the positive mean values, we obtain 𝐸𝑋−𝑈𝑉 = 0.050 ± 0.013
mag. It implies that the effect is not very strong but nevertheless, it
is present, and it can bias the cosmological results. Our sample of
58 sources contains all sources for which we have luminosity dis-
tance measurements with both methods, and we did not apply any
pre-selection aimed at removing extinction on the basis of spectral
studies of individual sources.
Here we analyze this effect for a subsample of 21 sources, for

which absorbed sources were removed, and furthermore, we connect
𝐸𝑋−𝑈𝑉 colour index to more standardized 𝐸𝐵−𝑉 in the optical
domain.

6.1 Subsample without absorbed sources

To test the extinction effect further, we attempt to remove sources
with larger extinction. In our original sample of 58 quasars (Khadka
et al. 2023) no pre-selection was made since the sample of X-ray-
detected RM quasars is already limited in size. In the new test here
we apply the criteria of Lusso et al. (2020), as described in Khadka
et al. (2023), to remove absorbed sources based on available hard
X-ray photon indices and far-UV slopes. According to Lusso et al.
(2020), the hard X-ray photon index should lie between 1.7 and 2.8,
which is satisfied for 41 sources, and the far-UV slope should lie
between −0.7 and 1.5, which is satisfied for 27 out of 31 sources
for which GALEX EUV magnitudes are available. Combining both
criteria yields a subsample of 21 sources, which supposedly does not
contain heavily extincted quasars; see Section 2 for the subsample
description.

For these 21 sources, we construct 𝑅− 𝐿 and 𝐿𝑋 − 𝐿𝑈𝑉 relations
in the flat ΛCDM model (Ω𝑚0 = 0.3), see Fig. 4, whose parameters
are consistent with those for the corresponding relations in the main
sample of 58 sources, with a slightly decreased intrinsic scatter of
0.28 and 0.23 dex for 𝑅 − 𝐿 and 𝐿𝑋 − 𝐿𝑈𝑉 relations, respectively.
The removal of absorbed sources is also beneficial for increasing
the correlation in both relations. For the 𝑅 − 𝐿 relation, we obtain a
Pearson correlation coefficient of 𝑟 = 0.63 (𝑝 = 2.38 × 10−3), while
for the whole sample of 58 sources, it is 𝑟 = 0.56 (𝑝 = 4.42× 10−6).
For the 𝐿𝑋 − 𝐿𝑈𝑉 relation of the subsample of 21 sources, we get
𝑟 = 0.86 (𝑝 = 5.90 × 10−7), while for the whole sample we have
𝑟 = 0.78 (𝑝 = 6.54 × 10−13).
We also performed the simultaneous fitting of the 𝐿𝑋 − 𝐿𝑈𝑉 or

𝑅 − 𝐿 relation parameters as well as cosmological parameters for
the flat ΛCDM model. For both relations, we list the parameters in
Table 3 including their 1𝜎 confidence intervals. 𝑅− 𝐿 and 𝐿X− 𝐿UV
relation parameters for 21 and 58 sources are consistent within the
uncertainties. The differences in 𝛾 and 𝛽 for the 𝑅 − 𝐿 relation are
0.62𝜎 and 0.15𝜎, respectively. The differences in 𝛾′ and 𝛽′ for the
𝐿𝑋 − 𝐿𝑈𝑉 relation are 0.04𝜎 and 0.88𝜎, respectively.
Luminosity distances for the 21 sources inferred using the two

relations are shown in Fig. 5.We show the unnormalized distributions
of the luminosity-distance difference in Fig. 6 (left panel). We list
the basic statistical parameters of the unnormalized distribution in
the last line of Table 1. The removal of extincted sources does affect
the distribution by decreasing the mean value of the luminosity-
distance difference as well as by decreasing the standard deviation.
In addition, both skewness and Fisher’s kurtosis become negative
in contrast with the sample of 58 sources for all six cosmological
models. On the other hand, the median value increases significantly
which is the result of a significant decrease in the fraction of sources
with negative differences, while the fraction of sources with positive
differences is roughly the same. This may be the effect of a low
number of sources. When we restrict ourselves to the mean value of
the luminosity-distance distribution for the flat ΛCDM model, the
X-ray/UV colour index drops from 0.032 mag to 0.022 mag, see the
distribution of 𝐸𝑋−𝑈𝑉 in Fig. 6 (right panel) with the parameters
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Figure 4. 𝑅 − 𝐿 and 𝐿𝑋 − 𝐿𝑈𝑉 relations in the flat ΛCDM model (Ω𝑚0 = 0.3) in the left and the right panels, respectively, for the subsample of 21 sources.
The top row depicts the measurements alongside the best-fit relations, including the intrinsic scatter 𝜎, while the bottom row shows the likelihood distributions
for the slopes 𝛾 and 𝛾′, the intercepts 𝛽 and 𝛽′, as well as the intrinsic scatter 𝜎int for the corresponding relations.

Table 3.Marginalized one-dimensional best-fit parameters with 1𝜎 confidence intervals for the 21 𝐿𝑋 − 𝐿𝑈𝑉 and 𝑅 − 𝐿 QSOs.

Model Data Ω𝑚0 𝜎int 𝛽, 𝛽′ 𝛾, 𝛾′

Flat ΛCDM 𝑅 − 𝐿 QSOs – 0.301+0.041−0.069 1.660 ± 0.120 0.360 ± 0.120
𝐿𝑋 − 𝐿𝑈𝑉 QSOs – 0.244+0.031−0.054 25.541 ± 0.090 0.610 ± 0.100

listed in the last line of Table 2 in comparison with the larger sample
of 58 sources. We thus see that the source pre-selection alleviates
the problem of the extinction but it does not fully remove it. The
change in the distribution characteristics between the samples of 58
and 21 sources indicates that extinction plays a role in increasing the
distribution standard deviation, creating tails consisting of outliers,
and inducing a positive skewness. However, even after the application
of hard X-ray and far UV cuts, the positive skewness and the non-zero
mean still indicate the contribution of extinction.

The normalized distribution of luminosity-distance differences
shown in Fig. 7 remains negatively skewed as for the bigger sam-
ple of 58 sources analyzed in Khadka et al. (2023). For the sample
of 58 sources, the mean of the normalized distribution is negative
(−0.116), which indicates that luminosity distances inferred from
𝐿𝑋 − 𝐿𝑈𝑉 relation are smaller than those inferred from the 𝑅 − 𝐿

relation. This is consistent with the overall preference of larger Ω𝑚0
for the 𝐿𝑋 −𝐿𝑈𝑉 relation constructed for 58 sources. The removal of
extincted sources and the final subsample of 21 sources exhibits the

normalized distribution with a positive mean value (+0.075), hence
this indicates an opposite trend. However, since the subsample of 21
sources is more than a factor of two smaller in size, the change in the
sign of the mean value may be the result of limited statistics and it
does not reflect the trend in the larger samples. However, as for the
unnormalized distribution, the absolute value of the mean decreases,
which implies that the removal of extincted sources is beneficial for
decreasing the luminosity-distance difference between 𝐿𝑋 − 𝐿𝑈𝑉

and 𝑅 − 𝐿 relations.

6.2 Relation to the extinction curve and 𝐸𝐵−𝑉

Galactic extinction is generally corrected since the (𝐵 − 𝑉) colour
excess is known for the whole range of Galactic coordinates (see
e.g. Schlegel et al. 1998). Our sample of 58 sources is in a region
on the sky that is far from the Galactic plane, which has Galactic
extinction of 𝐸𝐵−𝑉 ∼ 0.1 mag, see Fig. 1. However, there still
may be uncertainty in the applied Galactic extinction correction at
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Figure 5.Luminosity distances for 21 sources (expressed in 104Mpc) inferred
using 𝑅 − 𝐿 and 𝐿𝑋 − 𝐿𝑈𝑉 relations in the flat ΛCDM model. The blue
solid line is the prediction for the flat ΛCDM model with Ω𝑚0 = 0.3.

the level of 𝐸𝐵−𝑉 ∼ 0.001 mag. For instance, for NGC 4151 the
colour index 𝐸𝐵−𝑉 ∼ 0.024mag according to Schlafly& Finkbeiner
(2011), while it was measured to be 𝐸𝐵−𝑉 ∼ 0.027 mag according
to Schlegel et al. (1998); see NED4 for the extinction values and their
scatter for the other sources.
The more uncertain extinction contribution is due to the QSO op-

tical, UV, and X-ray continuum emissions being affected by intrinsic
reddening. For the Sloan Digital Sky Survey data (4576 QSOs),
Richards et al. (2003) constructed composite spectra, which they
categorized into six composite spectral classes (Composite 1 – 6).
Composite 1 corresponds to sources with intrinsically blue (or op-
tically flat) power-law continua, while Composite 5 corresponds to
reddened sources with optically steep power-law continua. Most of
the quasars belong to rather bluer composite classes with colour
excess 𝐸𝐵−𝑉 < 0.04 mag, while only ∼ 10% are reddened.
Based on the composite spectra constructed by Richards et al.

(2003), Czerny et al. (2004) derived the extinction curve of QSOs,
which is generally similar to the Small Magellanic Cloud extinction
curve (Prevot et al. 1984), e.g. lacking the absorption feature at
2200Å with the exception of the shortest UVwavelengths. The QSO
extinction curve can generally be attributed to a circumnuclear dusty
shell composed of amorphous carbon grains that lacks both silicate
and graphite grains based on the corresponding missing spectral
features.
In the following, we use the simplified analytical extinction curve

of Czerny et al. (2004),

𝐴_

𝐸𝐵−𝑉
= −1.36 + 13 log (1/_ [`m]) , (14)

and extrapolate it to the UV/X-ray range (2500Å–2 keV). Sub-
sequently, from the inferred UV/X-ray colour excess 𝐸𝑋−𝑈𝑉 =

𝐴𝑋 − 𝐴𝑈𝑉 ∼ 0.050 − 0.089 mag (mean and median values, see
Table 2), we can use the relation 𝐸𝑋−𝑈𝑉 = 13𝐸𝐵−𝑉 log (_𝑈𝑉 /_𝑋 )
derived from Eq. (14) to obtain a 𝐵 − 𝑉 colour excess of 𝐸𝐵−𝑉 ∼
0.0015 − 0.0026 mag. This can be interpreted to be predominantly
the intrinsic colour excess expected for the majority of type I QSOs
(Richards et al. 2003). This extinction originates in the circumnuclear
medium, e.g. in an obscuring torus, a warped disk-like structure, or
an outflowing clumpy wind within ∼ 1 pc from the supermassive

4 https://ned.ipac.caltech.edu/

black hole (Elvis et al. 2002; Gohil & Ballantyne 2017; Gaskell &
Harrington 2018; Gaskell et al. 2023), and the host galaxy interstellar
medium, also see Stolc et al. (2023) and Czerny et al. (2023b) for
discussions.
Hence the discrepancy between luminosity distances inferred us-

ing 𝐿𝑋 − 𝐿𝑈𝑉 and 𝑅 − 𝐿 relations is expected for any selection
of QSOs. This is consistent with the finding that the application of
extinction cuts based on the hard X-ray index and the far-UV slope
(Lusso et al. 2020) only slightly mitigates the extinction problem, as
we showed in Subsection 6.1 when the mean extinction decreased
from∼ 0.032 for the sample of 58 sources to∼ 0.022mag for the sub-
sample of 21 sources within the flat ΛCDM model. This represents
a drop in 𝐸𝐵−𝑉 by only a factor of ∼ 1.45.
We note that including many lower luminosity QSOs in the sample

likely enhances the extinction effect. Weaver & Horne (2022) in their
study of 9242 QSOs, all located in SDSS Stripe 82, derived a median
extinction 𝐸𝐵−𝑉 of 0.1 for redshifts around 2 and higher extinction
values for lower and higher redshifts (see their Fig. A1).

7 CONCLUSIONS

We find that the extinction (scattering and absorption) of X-ray and
UV photons from QSOs contributes to the discrepancy between lu-
minosity distances inferred using 𝐿𝑋 − 𝐿𝑈𝑉 and 𝑅 − 𝐿 relations.
The extinction term is equal to (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

−log𝐷𝐿,𝑅−𝐿)ext =
(𝜏𝑋 − 𝜏𝑈𝑉 ) log 𝑒/[2(1− 𝛾′)] where 𝜏𝑋 and 𝜏𝑈𝑉 are optical depths
in X-ray and UV bands, respectively, and 𝛾′ is the slope of the
𝐿𝑋 − 𝐿𝑈𝑉 relation. Since for four out of six considered cosmologi-
cal models (including the flatΛCDMmodel) the median luminosity-
distance difference (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿) is positive, we
can quantify the mean colour index 𝐸𝑋−𝑈𝑉 in magnitudes us-
ing 𝐸𝑋−𝑈𝑉 ' 5.001(1 − 𝛾′)〈(log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉

− log𝐷𝐿,𝑅−𝐿)ext〉,
which gives 0.089 ± 0.019 mag when the four positive medians
are considered. Taking into account the positive mean values of the
luminosity-distance difference, we obtain 𝐸𝑋−𝑈𝑉 = 0.050 ± 0.013
mag. We have demonstrated that this amount of extinction is mild
and overall typical for the majority of QSOs since it originates in
the circumnuclear and interstellar media of host galaxies (Czerny
et al. 2004). It can only be slightly alleviated by standard hard X-ray
and far-UV extinction cuts (Lusso et al. 2020). Consequently, cur-
rent 𝐿𝑋 − 𝐿𝑈𝑉 relation QSO data compilations (Lusso et al. 2020)
cannot be used for cosmological purposes (Khadka & Ratra 2021,
2022).
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Figure 6. Unnormalized distributions of (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿) and 𝐸𝑋−𝑈𝑉 for the sample of 21 (58) sources in the flat ΛCDM model in green

(grey). Left panel: Distribution of the unnormalized luminosity-distance difference (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
− log𝐷𝐿,𝑅−𝐿) for the subsample of 21 sources. The

solid vertical green (grey) line stands for the distribution mean, the dashed vertical green (grey) line represents the median, and the dotted vertical green (grey)
lines stand for 16% and 84% percentiles. Right panel: The distribution of 𝐸𝑋−𝑈𝑉 (in magnitudes) in green (grey) for the sample of 21 (58) sources. The vertical
lines denote the same statistical properties as in the left panel.
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Figure 7. The distribution of (log𝐷𝐿,𝐿𝑋−𝐿𝑈𝑉
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ABSTRACT

Context. T Tauri stars are known to be the cradle of planet formation. Most exoplanets discovered to date lie at the very inner part of the
circumstellar disk (< 1 au). The innermost scale of Young Stellar Objects is therefore a compelling region to be addressed, and long-baseline
interferometry is a key technique to unveil their mysteries.
Aims. We aim at spatially and spectrally resolving the innermost scale (≤ 1 au) of the young stellar system CI Tau to constrain the inner disk
properties and better understand the magnetospheric accretion phenomenon.
Methods. The high sensitivity offered by the combination of the four 8-m class telescopes of the Very Large Telescope Interferometer (VLTI)
allied with the high spectral resolution (R ∼ 4000) of the K-band beam combiner GRAVITY offers a unique capability to probe the sub-au scale
of the CI Tau system, tracing both dust (continuum) and gas (Brγ line) emission regions. We develop a physically motivated geometrical model
to fit the interferometric observables (visibilities and closure phases (CP)) and constrain the physical properties of the inner dusty disk. The
continuum-corrected pure line visibilities have been used to estimate the size of the Hydrogen I Brγ emitting region.
Results. From the K-band continuum study, we report an highly inclined (i ∼ 70°) resolved inner dusty disk, with an inner edge located at a
distance of 21 ± 2 R? from the central star, which is significantly larger than the dust sublimation radius (Rsub= 4.3 to 8.6 R?). The inner disk
appears misaligned compared to the outer disk observed by ALMA and the non-zero closure phase indicates the presence of an asymmetry that
could be reproduced with an azimuthally modulated ring with a brighter south-west side.. From the differential visibilities across the Brγ line, we
resolve the line emitting region, and measure a size of 4.8+0.8

−1.0 R?.
Conclusions. The extended inner disk edge compared to the dust sublimation radius is consistent with the claim of an inner planet, CI Tau b,
orbiting close-in. The inner-outer disk misalignment may be induced by gravitational torques or magnetic warping. The size of the Brγ emitting
region is consistent with the magnetospheric accretion process. Assuming it corresponds to the magnetospheric radius, it is significantly smaller
than the co-rotation radius (Rcor= 8.8 ± 1.3 R?), which suggests an unstable accretion regime that is consistent with CI Tau being a burster.

Key words. variables: T Tauri – stars: magnetic field – accretion, accretion disks – stars: individual: CI Tau

1. Introduction

The power of long baseline near-infrared interferometry to inves-
tigate the inner regions of young stellar systems has been amply
demonstrated in the past years (Dullemond & Monnier 2010).
The inner disk structure (GRAVITY Collaboration et al. 2021),
associated outflows (GRAVITY Collaboration et al. 2017), and
the accretion process (Gravity Collaboration et al. 2020) can all
be probed on an angular scale of less than one millisecond of
arc (mas), which corresponds to a region extending a few stellar
radii around the central star at the distance of the closest star-
forming regions. On this scale, accretion in classical T Tauri
stars (i.e., Class II young stellar objects with M? < 2 M�) occurs
along funnel flows due to the strong stellar magnetic field (≈ kG)
that channels the infalling gas (e.g., Romanova & Owocki 2015;

? Based on observations collected at the European Organisation for
Astronomical Research in the Southern Hemisphere under ESO pro-
grams 106.212G.004 and 108.228Z.005

Hartmann et al. 2016; Bouvier et al. 2007). The inner disk is dis-
rupted at the magnetospheric or truncation radius (typically at
∼ 5 R?), where the magnetic pressure of the stellar field balances
the thermal and/or ram pressure of the accreting matter (Besso-
laz et al. 2008; Blinova et al. 2016; Pantolmos et al. 2020).

The observational evidence for the magnetospheric accretion
process in young stars, while quite convincing and widely ac-
cepted, has so far been mostly indirect. It relies on measure-
ments of magnetic field strength and topology (e.g., Donati &
Landstreet 2009) and mass accretion rate estimates (e.g., Man-
ara et al. 2021; Alcalá et al. 2021). It is probed through a number
of spectral diagnostics, including the emission line spectrum of
T Tauri stars that forms, at least in part, in the magnetic funnel
flows (e.g., Bouvier et al. 2020a), and the UV continuum excess
arising for the accretion shock at the stellar surface (e.g., Es-
paillat et al. 2022). In recent years, the increased sensitivity of
long baseline interferometers has opened a new window to the
star-disk interaction region, with results that provide a direct es-
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timate of the extent of the magnetospheric cavity and support the
magnetospheric accretion paradigm (Gravity Collaboration et al.
2020; Bouvier et al. 2020b; Gravity Collaboration et al. 2023).

We present here the results from VLTI/GRAVITY observa-
tions of the young stellar system CI Tau. CI Tau is a 2 Myr-
old (Guilloteau et al. 2014), 0.9 M� (Simon et al. 2019) classi-
cal T Tauri star, located at a distance of 160.3 ± 0.4 pc (Gaia
Collaboration et al. 2022) in the Taurus molecular cloud. It is
known to harbour a strong, mostly poloidal magnetic field up to
3.7 kG and exhibits a variable mass accretion rate of the order
of 2×10−8 M� yr−1 (Donati et al. 2020). On the large scale, CI
Tau is surrounded by a circumstellar disk that extends up to 200
au on millimetre continuum images, and features a succession
of dusty rings, with gaps located at radii ∼ 13, 39, and 100 au,
suggestive of on-going planet formation (Clarke et al. 2018). In-
deed, CI Tau is the only accreting T Tauri star for which a hot
super-Jupiter (Mp = 11.3 MJup) has been claimed from radial ve-
locity variations (Johns-Krull et al. 2016), although the planetary
origin of the radial velocity signal has been questioned (Donati
et al. 2020).

The goal of the VLTI/GRAVITY observations we report here
was to investigate the star-disk interaction region of this intrigu-
ing young system, to derive the properties of the dusty inner disk
on a scale of 0.1 au or less from continuum K-band visibilities
and phases, and to investigate the magnetospheric accretion re-
gion through the analysis of differential interferometric quanti-
ties measured across the Brγ line profile. Section 2 describes the
observations and data reduction, Section 3 presents the deriva-
tion of the properties of the inner disk and of the Brγ-line emit-
ting region through model-fitting, and Section 4 discusses the
results in light of the possible existence of CI Tau b, compares
the inner disk properties to the outer disk structure, and confront
the interferometric results to magnetospheric accretion models.
Conclusions are presented in Section 5.

2. Observations

We observed CI Tau at two epochs on January 9th 2021 and
February 23rd 2022 in the K-band with the GRAVITY instru-
ment (Gravity Collaboration et al. 2017), combining the four
Unit Telescopes (UTs) of the ESO Very Large Telescope Inter-
ferometer (VLTI) installed in Paranal, Chile. This program was
part of the GTO large program dedicated to the Young Stellar
Objects (YSO). The maximum baseline accessible with the UTs
is 130 m, which corresponds to a maximal angular resolution
of λ/2Bmax ≈ 1.5 mas at 2.2 µm. Both epochs were carried
out using the single-field on-axis mode, where 50% of the flux
is sent to the fringe tracker (FT) and 50% to the scientific in-
strument (SC): the instrument tracks the fringes on the science
target itself to stabilize them at a frequency of 900 Hz (Lacour
et al. 2019), enabling longer integration on the SC, in particu-
lar for faint targets. Data were obtained in high spectral resolu-
tion mode (R ∼ 4000). GRAVITY covers a spectral range from
1.9 to 2.4 µm, including the neutral-hydrogen Brγ line at 2.1661
µm. Weather conditions were excellent during the two nights; we
recorded eleven and six 5-min long files on the object in 2021
and 2022, respectively (Table 1). We observed two calibrators
before (HD 31464) and after (HD 40003) the observations to ac-
curately estimate the atmospheric transfer function and calibrate
the interferometric observables. We used SearchCal tool (Chelli
et al. 2016) to establish our calibrator list, which offers a way
to search for objects that are single stars, bright, unresolved and
close to the target. Due to technical issues during the first epoch,
one of the telescopes (UT2) was down during the observations,

which reduced the number of exploitable baselines from six to
three.

The data reduction was performed using the ESO GRAVITY
pipeline1(Lapeyrere et al. 2014). For each file, we extracted six
(three) complex visibilities and four (one) closure phase mea-
surements in 2022 (2021), dispersed over six spectral channels
for the FT and about 1600 for the SC, respectively. The bluest
part of the fringe tracker being contaminated by the metrology
laser working at 1.908 µm, we discarded the first channel from
our analysis. Finally, we recovered the differential visibilities
and phases in the Brγ line region from the SC data. The error
bars supplied by the pipeline are known to be underestimated and
do not include residual calibration effects (Bouvier et al. 2020b;
Gravity Collaboration et al. 2021). To be conservative, we re-
fined our uncertainties by computing the total rms over the files
for both observables, which yields constant uncertainties of 2%
for the visibility and 0.7 degrees for the closure phases. The final
uncertainties being similar between the two epochs, we adopted
the same error bars for all observations. Normalising uncertain-
ties between our two epochs allows us to mitigate the effects of
different weather conditions and adaptive optics correction, and
to attribute the same weight to the 2021 and 2022 data sets.

3. Results

In this section we report the method used to derive the main
properties of the emitting regions both in the K-band continuum
and across the Brγ line.

3.1. The inner dusty disk

3.1.1. Geometrical model

To model the continuum complex visibility, we follow the same
approach as adopted by Lazareff et al. (2017) and Gravity Col-
laboration et al. (2021), which consists of representing the sys-
tem as a three-component model: an unresolved point-like star
(s) as we are not able to resolve the stellar photosphere, a cir-
cumstellar dusty disk (d), and a fully resolved component (h).
Each element is represented by a complex visibility function (Vs,
Vd and Vh) and accounted for in the whole system by their flux
contributions (Fs, Fd and Fh):

Vtot(B/λ) =
FsVs + FdVd(B/λ) + FhVh

Fs + Fd + Fh
, (1)

where Vs = 1 for a point-source, Vh = 0 for a fully resolved
component, B/λ is the spatial frequency in rad−1 at the differ-
ent baselines B and Fs + Fd + Fh = 1. We consider wavelength
independent flux contributions (non-chromatic model). The ex-
tended component Vh is commonly used to mimic the effect of
the scattered light (Pinte et al. 2008), which decreases the visibil-
ity at the zero spatial frequency (B/λ = 0). This last component
appears to contribute significantly in the case of YSO, such as
transitional disks (Lazareff et al. 2017) or T Tauri stars (Antho-
nioz et al. 2015; Gravity Collaboration et al. 2021). As Lazareff
et al. (2017), we model the dusty disk contribution by an circu-
lar ring defined by a radius ar, an inclination i, and a position
angle PA. To describe a smooth inner rim radial profile, we con-
volve the ring model by a 2-d Gaussian model. In the following,
we present the convolution effect by using the ratio between the

1 https://www.eso.org/sci/software/pipelines/gravity.
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Table 1: Journal of the VLTI/GRAVITY observations.

MJD Date Time (UT) Configuration N Seeing (”) τ0 (ms) Calibrators
59223.12 2021-01-09 01:35–04:03 UT1-UT3-UT4 11 0.68–1.05 2.7–5.7 HD 31464, HD 40003
59633.04 2022-02-23 00:39–01:26 UT1-UT2-UT3-UT4 6 0.36–0.53 5.8–8.1 HD 31464, HD 40003

Notes. N denotes the number of calibrated points recorded on the target.

Gaussian kernel ak and the half-flux radius a as w = ak/a in
percent.

Finally, we add a brightness azimuthal modulation along the
ring described by cosine and sine amplitudes c1 and s1. This
modulation can be used to represent a non-uniform azimuthal
disk profile responsible for a non-zero closure phase signature.
In practice, c1 and s1 can vary between -1 and 1, allowing us to
drag the brightest portion (if any) around the disk in polar coor-
dinates.

3.1.2. Fitting strategy

For the first epoch, the FT data were not fully exploitable due
to a relatively low coherence time (∼ 2-3 ms) that degraded the
signal-to-noise ratio significantly. To address this, we used the
SC data instead and calculated the observables averaged over
300 spectral channels, which reproduces the spectral resolution
of the FT camera (R ∼ 30). For the second epoch, the weather
conditions were optimal with a coherence time around 7 ms, but
we adopted the same approach as in 2021 to get consistent results
between the two epochs.

To estimate the properties of the continuum emitting region,
we perform the fit over several steps to avoid any local χ2 minima
and robustly estimating the associated uncertainties. Since the
circumstellar disk is only partially resolved by the interferome-
ter (V ∼ 0.8), its flux contribution Fd and its size ar are partly
degenerated (Lazareff et al. 2017). To get an independent esti-
mate of the relative contributions of the disk and the star in the
K-band, we used the near-infrared veiling measured as described
in Sousa et al. (2023). At the time of our 2021 observations, the
infrared veiling amounted to rK = 0.83 ± 0.04 (A. Sousa, priv.
comm.), which yields an estimate of Fs = 1/(1 + rK) = 55%
around 2.2 µm. To consider the star’s intrinsic variability, we
adopted a typical error of 5% on this measurement. Besides, we
independently evaluated the stellar contribution by fitting the tar-
get’s spectral energy distribution. We collected the photometry
measurements from EPIC (B, V and R bands, Howell et al.
2014; Huber et al. 2017), Gaia DR3 (Gbp, G and Grp bands,
Gaia Collaboration et al. 2022) and 2MASS (J, H, and K bands,
Skrutskie et al. 2003, 2006). We adopted the stellar parameters
and the visual extinction (AV = 0.65) determined by Donati et al.
(2020) and use the accurate distance estimate from Gaia DR3
(160.3 ± 0.4 pc, Gaia Collaboration et al. 2022). We thus de-
rived Fs = 55%, quite consistent with the veiling measurement.
We therefore used this value for the star contribution as a prior
during the fitting process, with a 5% tolerance. This additional
constraint releases the degeneracy between the ring’s size and its
flux contribution.

We carried out an initial parameter search using the
Levenberg-Marquardt method2. We estimated the geometrical
parameters with and without azimuthal modulation by using or
not the closure phase quantity. Given the lower χ2 values ob-
tained with the asymmetric case (1.6 versus 2.1 for the total χ2

2 Available with scipy (Virtanen et al. 2020)

N

E
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Fig. 1: Model image of CI Tau’s inner disk in 2021. The po-
sition of the star is depicted and has been removed to show the
disk structure. The upper-left inset shows the u-v coverage. The
colour circles represent the baselines: UT1-UT3 (pink), UT3-
UT4 (green) and UT1-UT4 (blue).

value, and 0.5 versus 2.9 when considering the CP only), we
adopted this model to fit the data using a Monte-Carlo Markov
Chain (MCMC) approach3. We used 200 walkers for 2000 iter-
ations and rejected the first 1000 iterations as the burn-in time.
The 1-σ uncertainty associated with each parameter is computed
from the final distribution of walkers using the 16, 50, 84% per-
centiles.

3.1.3. Inner disk properties

For the 2021 data set, the model converges toward an elongated
thin ring model with an inner rim radius of ar = 0.20 ± 0.02 au.
We estimate a width-to-radius ratio w smaller than 28%, indi-
cating a resolved inner gap. The major-to-minor axis elongation
corresponds to a relatively high inclination of i = 71 ± 1° at a
position angle of PA = 148 ± 1° counted from North to East.
The dusty disk contribution is constant between the two epochs
(Fd = 36 ± 2%) and the halo contribution remains between 8
and 10%. For the second epoch, the limited time of observa-
tion (∼1h) corresponds accordingly to a short range of spatial
frequencies (30 vs. 75 arcsec−1, see Fig. A.1 and A.3). This pre-
vents us from resolving the inner gap (w close to 1), and from
constraining the orientation of the system in an unambiguous
way. In order to derive the lower limit of the system’s inclina-
tion for the second epoch, we performed a χ2-minimum search

3 Available with emcee (Foreman-Mackey et al. 2013).
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(see App. B for details). The inner dusty disk properties are pre-
sented in Table 2. The values of inclination and position angle
for the second epoch correspond to those obtained from the χ2

search (Fig. B.1). The MCMC-posterior distribution obtained for
the second epoch converges to a very high inclination (close to
90°, Fig. C.2) that prevents us from determining the asymmet-
ric modulation (c j, s j compatible with zero). The inner rim ra-
dius estimate from the 2022 data set appears significantly smaller
than the one derived for the 2021 data set. The inner gap being
unresolved in 2022, the inner disk size could be underestimated.

Figure 1 displays the best-fit model image as determined by
GRAVITY in 2021. The non-zero closure phases are consistent
with the presence of an asymmetry in the inner rim located in the
South-West part. The data-model comparison and the MCMC
distributions are presented and discussed in Appendix A and C.

Table 2: Best-fit parameters of the K-band continuum
VLTI/GRAVITY data of CI Tau obtained in 2021 and 2022 with
1σ error bars.

Parameters 2021 2022
Fd [%] 36 ± 2 35 ± 5
Fh [%] 9.2 ± 0.6 8.3 ± 0.2
i [°] 71 ± 1 ≥ 70
PA [°] 148 ± 1 140+16

−12

c1 0.94+0.04
−0.08 -

s1 −0.75+0.09
−0.12 -

w [%] 17+11
−6 unresolved

ar [mas] 1.25 ± 0.13 0.81 ± 0.13
ar [au]1 0.20 ± 0.02 0.13 ± 0.02
ar [R?]2 21 ± 2 14 ± 2
χ2

r 1.56 0.87
1 We used the Gaia distance 160.3 ± 0.4 pc
2 We adopted a stellar radius of 2 R� (Donati et al. 2020).

3.2. The Brγ line emitting region

GRAVITY’s high spectral resolution allows us to resolve the
Brγ line profile at 2.1661 µm. This spectral feature is the priv-
ileged tracer of the star-disk interaction, attributed to the mag-
netospheric accretion process (Hartmann et al. 1994). Following
Weigelt et al. (2007), Kraus et al. (2008) and Gravity Collabora-
tion et al. (2023), we compute the continuum-subtracted observ-
ables, the so-called pure line visibilities, by using the emission
line profile provided by GRAVITY. This differential observable
is only sensitive to the Brγ emitting region and remove all con-
tributions from the star and disk, assuming no photospheric ab-
sorption is present in the line region, which is adequate for cooler
T Tauri stars. The pure line visibility Vline(λ) is computed as:

VLine(λ) =
FL/C(λ)VTot(λ) − VCont

FL/C(λ) − 1
, (2)

FL/C denotes the total line-to-continuum flux ratio as taken
from the normalised spectrum (Fig. 2), VCont is the visibility
computed in the continuum, and VTot is the total complex quan-
tities measured by GRAVITY.
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Fig. 2: Brγ line observables. Top: The normalized spectral line
profile averaged over the four telescopes with GRAVITY. Bot-
tom: Differential visibilities from the UT1-UT4 baseline of the
CI Tau observation in 2021. The small blue dots and error bars
represent the total visibility. The larger coloured dots indicate
the pure line visibilities after the subtraction of the continuum
contribution (see Eq. 2). The continuum estimate and the asso-
ciated uncertainty are shown as red dashed lines. The Gaussian
model used to fit the total visibility is represented as a blue line.

In order to enhance the signal across the Brγ line, we com-
bine the 11 files available for the first epoch in 2021. The u-v
plane rotation occurring during the observational sequence re-
mained relatively small (< 10 degrees) and thus the files can be
combined without degrading the scientific signal significantly.
Unfortunately, the data quality in 2022 were not sufficient to
reach the required signal-to-noise ratio to detect the differential
signal. Figure 2 presents the Brγ emission line profile, the to-
tal differential visibility and the extracted pure-line visibility. A
significant signal is only detected for the most extended base-
line (UT1-UT4, 126.16 m) with a 3-σ detection in the visibility
amplitude. We did not detect any significant differential phase
signals neither epochs or baselines.

The pure line visibilities across the Brγ line profile range
from 0.90 to 0.93, indicating a more compact emitting region
than the inner disk seen in the continuum. In order to estimate the
characteristic size of the Brγ emitting region, we averaged the
five pure line visibilities over the spectral channels and derived
a unique visibility measurement of VBrγ = 0.92± 0.03. Based on
a simple geometric Gaussian disk model (Berger & Segransan
2007), we extracted the half-flux radius (or half width half maxi-
mum, HWHM) corresponding to VBrγ. Figure 3 presents the vis-
ibility curve of a 2-d Gaussian model compared to the extracted
pure line visibility. The visibility uncertainty of 0.03 is directly
reported on the visibility curve model (blue shade area), which
yields asymmetric errors on the half-flux radius estimate. We
thus derive a Brγ emission region radius of RBrγ = 0.28+0.05

−0.06 mas,
which corresponds to 0.045+0.008

−0.009 au at the distance of CI Tau, or
4.8+0.8
−1.0 R? for a stellar radius of 2 R�. The Brγ emitting region is

thus significantly more compact than the continuum disk radius.
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Fig. 3: Comparison between the observed Brγ visibility (orange
dot) and a visibility curve predicted for a Gaussian disk model
of the emitting region (blue curve). The blue shaded area depicts
the uncertainty on the size relative to the visibility error.

3.3. Mass-accretion rate and truncation radius

To estimate the instantaneous mass-accretion rate at the time
of GRAVITY observations, we computed the Brγ line lumi-
nosity and used the line-to-accretion luminosity relations from
Alcalá et al. (2017). We measured the equivalent width of the
Brγ line on the GRAVITY spectrum, EWBrγ, and estimated the
extinction-corrected nearby continuum flux from the 2MASS K-
band magnitude (Skrutskie et al. 2006). With EWBrγ = 7.9 ±
0.4 Å and a continuum flux of 3.3 10−13 W m−2 µm−1, we derive
a line luminosity of (2.07 ± 0.10 )10−4 L� at 160.3 ± 0.4 pc.

The accretion luminosity can then be derived from the em-
pirical relationship (Alcalá et al. 2017):

log
(

Lacc

L�

)
= a log

(
LLine

L�

)
+ b, (3)

with a = 1.19±0.10 and b = 4.02±0.51. Finally, the accretion lu-
minosity can be converted into an instantaneous mass-accretion
rate using the following relation (Hartmann et al. 1998):

Ṁacc =

(
1 −

R?

RBrγ

)−1

Lacc
R?

GM?
, (4)

which assumes that the energy released by the infalling mate-
rial confined within the magnetosphere is entirely converted into
accretion luminosity. Adopting the GRAVITY size of the Brγ
emitting region RBrγ = 4.8 R? for the magnetosphere radius, we
derive a mass accretion rate of Ṁacc = 3.9+12.8

−3.0 10−8 M� yr−1

(log(Ṁacc) = −7.4 ± 0.6).
The size of the magnetospheric accretion region, charac-

terised by the magnetic truncation radius Rtr, is driven by the
strength of the magnetic field and the mass accretion rate (Hart-
mann et al. 2016):

Rtr

R�
= 12.6

B4/7R12/7
2

M1/7
0.5 Ṁ2/7

−8

, (5)

where B is the surface field strength of the dipolar magnetic field
at the stellar equator in kG, R2 is the stellar radius in units of 2
R�, M0.5 is the stellar mass in units of 0.5 M� and Ṁ−8 is the
mass-accretion rate in units of 10−8 M� yr−1.

Using the stellar parameters of CI Tau reported by Donati
et al. (2020), for a magnetic field of 0.85 kG4, a stellar radius of
4 We use the polar magnetic field value of 1.7 kG divided by two to
retrieve the value at the equator.

2.0±0.3 R�, a mass of 0.90±0.02 M� (Simon et al. 2019), and the
mass-accretion rate derived from Eq. 4, we compute a truncation
radius Rtr = 3.6 ± 1.5 R?, in agreement with the interferometric
half-flux radius derived above for the Brγ line emitting region.
We therefore conclude that most of the Brγ emission originates
from the magnetospheric accretion region.

4. Discussion

The high spatial and spectral resolution of GRAVITY allows us
to detect and characterise the inner region of the CI Tau system
with an unprecedented precision. Figure 4 illustrates the charac-
teristic sizes of the system. In this section, we discuss how the
GRAVITY results shed light on the global structure of the inner
system.

4.1. The inner dust cavity

The continuum analysis of the two epochs of observation yields
an inner dusty rim located between 14 and 21 R? from the central
star. This direct measurement appears to be significantly higher
than the estimate of the dust sublimation radius. The K-band
emission of T Tauri stars is supposed to be dominated by the di-
rectly irradiated front of the dusty disk rim (Dullemond & Mon-
nier 2010). For a given stellar luminosity, we assess the radius
corresponding to the thermal equilibrium of the dust grains, to
remain under the sublimation temperature at 1500 K for silicates.
We used the relation from Monnier & Millan-Gabet (2002) to
determine the sublimation radius (Rsub) in au:

Rsub = 1.1
√

QR

√
L?

1000 L�

(
1500
Tsub

)2

, (6)

with QR the absorption efficiency ratio of the dust between inci-
dent and reemitted field, and Tsub the sublimation temperature.
Monnier & Millan-Gabet (2002) assess that the absorption effi-
ciency QR depends on the dust properties and the effective tem-
perature of the central star. For an effective temperature of 4200
K (Donati et al. 2020) and a typical grain size distribution rang-
ing from 0.03 to 1 µm, QR ranges from 1 to 4. For a stellar lumi-
nosity of 1.26 L� (Donati et al. 2020), the 1500 K sublimation
radius ranges from 0.04 to 0.08 au, i.e., 4.3 to 8.6 R?. The inner
disk rim location we derive is therefore at least twice farther than
the sublimation radius (see Fig. 4), when considering a sublima-
tion temperature of 1500 K.

One potential explanation for an extended inner dust cavity
is the presence of an hypothetical close-in planet. CI Tau is so
far the only Class II pre-main sequence star claimed to host a
hot Jupiter, CI Tau b, with a mass of ∼11.3 Jupiter mass (Johns-
Krull et al. 2016; Flagg et al. 2019). If such a planet exists, it
could significantly affect the inner region of the disk. Muley &
Dong (2021) demonstrated that a massive candidate planet or-
biting at 0.08 au leads to the formation of an inner gap ranging
from 0.1 to 0.2 au depending on the eccentricity of the planet,
fully compatible with our observation.

4.2. The inner and outer disk misalignment

Young stellar objects such as the CI Tau system harbour a large
outer disk structure. Clarke et al. (2018) retrieve the geomet-
rical properties of CI Tau’s outer disk on a scale from 1 to
100 au using the Atacama Large Millimeter/Submillimeter Ar-
ray (ALMA). The outer disk consists of multiple rings seen at
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Fig. 4: A schematic view of the innermost region of the CI Tau system. The sizes and their uncertainties derived from the GRAVITY
observations are represented for the Brγ emitting region (blue circle) and for the K-band continuum (orange circle). The purple
circle (and shaded area) depicts the truncation radius and its uncertainty derived from the GRAVITY Brγ emission line (Sect. 3.3).
Additional characteristic scales associated with YSO are depicted: the sublimation radius (Rsub, pink line) for a range of absorption
QR from 1 to 4 and the co-rotation radius (Rcor, green line). The stable-unstable magnetospheric accretion regimes are indicated
with a boundary around 70% of the Rcor (Blinova et al. 2016).

an inclination of iout = 50° and a position angle of PAout ' 11°
from North to East. In comparison, the inner disk orientation we
derive from GRAVITY features iin ' 70° and PAin = 148°. The
two disks thus appear significantly misaligned. Such a misalign-
ment has been recently reported on a few targets among a large
sample of YSO (Bohn et al. 2022).

Following Min et al. (2017); Bohn et al. (2022), we can thus
measure the misalignment angle between the inner and outer
disks as:

∆θ(iin, PAin, iout, PAout) = arccos[sin(iin) sin(iout)
× cos(PAin − PAout)
+ cos(iin) cos(iout)] (7)

The misalignment angle ∆θ corresponds to the angle be-
tween the two normal vectors defined by the planes of the inner
and outer disk. Additionally, we do not know which side of the
inner disk is closest to the observer. Two misalignment angles
can therefore be calculated, namely ∆θ1 ∼ 109 or ∆θ2 ∼ 42°
for CI Tau. In both cases, the inner and outer disks appear to be
significantly misaligned. While such a significant misalignment
may induce a shadow projected onto the outer disk (Bohn et al.
2022), such a shadow is not detected in scattered light images of
CI Tau’s disk (Garufi et al. 2022).

Various physical processes can induce a substantial misalign-
ment between the inner and the outer disks. Gravitational torques
caused by the presence of low-mass (Arzamasskiy et al. 2018) or
high-mass (Xiang-Gruess & Papaloizou 2013) planets can force
the precession of the inner disk, and physically disconnect it
from the outer disk. For the massive case (> 1 MJup), if the com-
panion’s angular momentum is significantly greater than the disk
one, the inner disk can gain a warped inner structure with an in-
clination of up to ' 20° relative to the outer part. Recent 3-d sim-
ulations reinforce this assumption for planets massive enough to
carve gaps (Nealon et al. 2018). Inner-outer disk misalignments
are not only observed as a consequence of massive companions.
Differential angular momentum across the disk can induce a tilt
between the spin vectors of the various components (star, inner

and outer disks) (Epstein-Martin et al. 2022). The magnetic star-
disk interaction can also warp the close-in region and be respon-
sible for an inclined inner disk, up to 40° inclination, with respect
to the stellar-spin axis (Romanova et al. 2021). Finally, an exter-
nal infall of gaseous material could affect the outer disk region
and induce a misalignment (Kuffmeier et al. 2021). A detailed
review of the misalignment processes and shadowing effects is
provided in Benisty et al. (2022).

4.3. The magnetospheric accretion region

From the exquisite precision of the differential visibilities
achievable with GRAVITY, we are able to spatially resolve the
characteristic size of the Brγ line emitting region. With a half-
flux radius of 0.045+0.008

−0.009 au, a large fraction of the Brγ line emis-
sion appears to originate from a region extending over 4.8+0.8

−1.0 R?

around the star.
A quantitative comparison between the Brγ half-flux radius

and the co-rotation radius can be used as a simple criterion to
determine the physical origin of the observed Brγ line emission.
If the Brγ emission appears as a compact source, smaller than
the co-rotation radius, the origin is consistent with the magneto-
spheric accretion scenario. In contrast, if the Brγ emission is sig-
nificantly larger than the co-rotation radius, other mechanisms
such as disk winds or outflows are likely to contribute to the ob-
served Brγ profile (Gravity Collaboration et al. 2020). The co-
rotation radius is defined as the one where the angular velocity
of the rotating disk matches the angular velocity of the star:

Rcor = (GM?)1/3(Prot/2π)2/3 (8)

For a rotational period Prot = 9.00 ± 0.05 days (Donati et al.
2020) and a mass of 0.90 ± 0.02 M� (Simon et al. 2019), we
compute a co-rotation radius Rcor = 8.8 ± 1.3 R?.

We find here that the Brγ half-flux radius is significantly
smaller than the co-rotation radius, which argues in favour of
most of the line flux arising from the magnetospheric accretion
process. Furthermore, based on spectro-polarimetric magnetic
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field measurements, Donati et al. (2020) estimated a range of
values between 3.7 and 6.3 R? for the magnetospheric trunca-
tion radius of CI Tau, which is consistent with our GRAVITY
measurement of 3.6 ± 1.5 R?. We caution, however, that the in-
terferometric Brγ half-flux radius derived from a 2-d Gaussian
model may underestimate the full extent of the magnetospheric
accretion region (Tessore et al. 2023).

From our truncation radius estimate (Sect. 3.3), we derive a
ratio of Rtr/Rcor = 0.41 ± 0.18 and the system will likely be in an
unstable accretion regime (Rtr/Rcor. 0.7, Blinova et al. 2016).
In magnetic star-disk interactions, unstable accretion is the out-
come of an interchange instability where the gas penetrates the
stellar magnetosphere through equatorial tongues (Romanova
et al. 2008) in addition to the stable funnel flows (i.e., stable
accretion). Such accretion tongues are expected to deposit mat-
ter at random places on the stellar surface, usually close to the
stellar equator, a feature that can possibly explain the stochastic
photometric behaviour of the system known as a burster (Rog-
gero et al. 2021; Cody et al. 2022).

5. Conclusion

We have used the VLTI/GRAVITY instrument to probe the in-
nermost scales of the young system CI Tau. Investigating the
K-band spectral domain at high spectral resolution allows us to
study the system in the continuum to probe dust emission and
within the Brγ line to trace gas emission simultaneously. Below,
we summarise our major results.

(i) From the continuum analysis, we report the detection of
a highly inclined resolved inner disk, whose inner edge is lo-
cated at a distance of 21 ± 2 R? from the central star. The mea-
sured inner rim position seems to be significantly farther than the
theoretical sublimation radius (4-8 R? for a typical sublimation
temperature of silicates of 1500 K), a result which might support
the presence of a close-in massive planetary companion.

(ii) The inner disk exhibits a strong misalignment relative to
the outer disk seen at submillimeter wavelengths with ALMA.
Such a misalignment could be induced by magnetic warping or
by gravitational torques induced by a close-in massive compan-
ion.

(iii) We constrained the half-flux radius of the Brγ emitting
region to be at a distance of 4.8 R? from the central star, which is
consistent with the magnetospheric accretion paradigm. The Brγ
size is significantly smaller than the co-rotation radius, which
leads to an unstable accretion regime, presumably at the origin
of the stochastic photometric variability of the system.

The interferometric precision achievable today with GRAV-
ITY at the VLTI allows us to characterise the inner scales of
the CI Tau system with an unprecedented sensitivity. Given the
high variability of this system, a temporal follow-up represents
the most promising opportunity to investigate the dynamics of
the star-disk interaction process, and to ascertain the origin of
the Brγ emission. This work represents a first step to understand
the star-planets-disk interactions occurring on sub-au scales in
young stellar objects.
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Appendix A: Data-model comparison

In this appendix, we present the results and data-model compar-
isons of the MCMC posterior determination of the K-band con-
tinuum geometrical model for the two epochs of observations.
Figures A.1, A.2, A.3 and A.4 show the comparison between
the best fitted-model and the data for the squared visibilities and
closure phases, respectively. The visibilities indicate a resolved
structure (V2 < 0.8), while the non-zero closure phase (< 2°)
points to an asymmetric environment. The small tilt of the short-
est baseline compared to the middle-range baseline suggests an
inclined object, as retrieved by our image model (Fig. 1).

0.4

0.5

0.6

0.7

0.8

0.9

1.0

V
2

MODEL ( 2
r = 1.93)

Wavelenght [µm]
2.089
2.168
2.247
2.327

100 125 150 175 200 225 250 275 300
Sp. Freq. [arcsec 1]

5

0

5

R
es

id
ua

ls
 [

]

Fig. A.1: Comparison of the best-fitted model with the squared
visibilities for epoch 1. The colours illustrate the wavelengths
of the four spectral channels used to fit the K-band continuum.
The model is presented in orange. The lower panel shows the
residuals compared to 1-σ, 2-σ and 3-σ relative errors.
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Fig. A.2: Comparison of the best-fitted model with the closure
phases for epoch 1. Same description as in Fig. A.1. Note that
we present only one closure phase triangle due to the missing
UT2 during the observations.

Appendix B: χ2-search uncertainty refinement

Figure B.1 shows the χ2 data-comparison values for a range of
inclination (i) and position angle (PA). This conservative method
allows us to give a lower limit on the inclination parameters, not
well constrained by the MCMC-posterior estimation due to the
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Fig. A.3: Same description as in Fig. A.1 for the 2022 dataset.
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Fig. A.4: Same description as in Fig. A.2 for the 2022 dataset.

limited range of spatial frequencies covered during the second
epoch (30 vs. 75 arcsec−1 in 2021). The two u-v coverages are
presented in Figure B.2 and B.3. When using the reduced χ2

as a limiting factor, we consider fully correlated error bars on
the data. This method tends to overestimate the errors associated
with the physical parameters we aim to constrain. In our case, the
system orientation is consistent with a high inclination (i > 70°)
at a position angle in agreement with our 2021 estimate.
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Fig. B.1: χ2-curves search around the MCMC-posterior results
of the second epoch 2022. Left: inclination between 50 and 90°.
Right: Position angle between 120 and 170°. The orange vertical
line denotes the posterior mean value. The orange shade area
represents the 1-σ uncertainty corresponding to χ2

red,min + 1.
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Fig. B.2: Fourier coverage obtained for the 2021 epoch.
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Fig. B.3: Fourier coverage obtained for the 2022 epoch.

Appendix C: MCMC posterior distribution

Figure C.1 and C.2 show the final posterior distribution of walk-
ers corresponding to 200,000 individual iterations. The MCMC-
fit converges toward a unique model of an inclined thin disk for
the first epoch (2021). The parameters estimations are presented
in Table 2. In 2022, the posterior distribution does not allow us
to determine the system inclination or the width-radius ratio (w)
unambiguously. The one-hour time range observation available
in 2022 does not offer sufficient rotation of the u-v coverage to
derive these two parameters accurately, contrarily to the three-
hour range time achieved in 2021. The ratio w close to one in-
dicates that we are not able to constrain the gap size reported
in 2021. Additionally, the modulation parameters c j and s j are
compatible with zero. Nevertheless, we are able to deliver strong
constraints on the half-flux radius of the disk, the position angle
and components contributions (see Table 2).
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ABSTRACT

The linear stability analysis of a stratified rotating fluid (see paper I) showed that disks with a baroclinic strat-
ification under the influence of thermal relaxation will become unstable to thermal instabilities. One instability
is the Goldreich-Schubert-Fricke instability (GSF), which is the local version of the Vertical Shear Instability
(VSI) and the other is a thermal overstability, the Convective Overstability (COS).

In the present paper we reproduce the analytic predicted growth rates for both instabilities in numerical exper-
iments of small axisymmetric sections of vertically isothermal disks with a radial temperature gradient, espe-
cially for cooling times longer than the critical cooling time for VSI. In this cooling time regime our simulations
reveal the simultaneous and independent growth of both modes: COS and GSF. We consistently observe that
GSF modes exhibit a faster growth rate compared to COS modes. Near the midplane, GSF modes eventually
stop growing, while COS modes continue to grow and ultimately dominate the flow pattern.

Away from the midplane, we find GSF modes to saturate, when bands of constant angular momentum have
formed. In these bands we observe the formation and growth of eddies driven by the baroclinic term, further
enhancing the velocity perturbations. In geophysics this effect is known as horizontal convection or sea-breeze
instability. Three-dimensional simulations will have to show whether similar effects will occur when axisym-
metry is not enforced. Our local simulations help to reveal the numerical resolution requirements to observe
thermal instabilities in global simulations of disks around young stars.

Keywords: accretion, accretion disks — circumstellar matter — hydrodynamics — instabilities — turbulence
— methods: numerical — solar system: formation — planetary systems

1. INTRODUCTION

The planet forming dusty disks around young stars are subject to a range of magnetic and non-magnetic instabilities (Lesur et al.
2022). The turbulence emerging from these instabilities has a profound impact on the planet formation process, via transporting
and mixing dust, generating collisions among grains and ultimately influencing the migration of planets. Among the pure hydro
instabilities there are non-linear instabilities like the Zombie Vortex Instability (ZVI) (Marcus et al. 2015), the stratorotational
instability (Shalybkov & Rüdiger 2005) and the subcritical baroclinc instability (SBI) (Petersen et al. 2007a). The Rossby wave
instability is a linear yet aradially global instability (Lovelace et al. 1999) and likewise the vertical shear instability (VSI) (Urpin
& Brandenburg 1998; Nelson et al. 2016) is a linear vertically global instability.

The latter instability is actually an extension of the Goldreich-Schubert-Fricke instability (GSF) as studied in rotating stars
(Goldreich & Schubert 1967; Fricke 1968) for the geometrically thin accretion disk. GSF operates the best for short cooling
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times, but operates actually for any cooling rate (Tassoul 2000), albeit at slower growth rates as discussed in Urpin (2003). The
original VSI work (Urpin & Brandenburg 1998; Urpin 2003) considers local modes, whereas all recent analytic work on VSI
considers vertical global modes (Nelson et al. 2016; Lin & Youdin 2015; Barker & Latter 2015; Latter & Papaloizou 2017;
Cui & Latter 2022; Latter & Kunz 2022). So to separate the local treatment in the present paper from the global treatment in
these papers, we refer to the GSF, by which we mean discussing growth rates from the local dispersion relation including thermal
relaxation (Klahr 2023). By this definition GSF is a local instability, whereas VSI is an overstability, even so the stability criterion
is the same. In Tassoul (2000) the GSF is classified as a thermal instability, which together with the ”Vibrational Instability of
Rotating Stars” by Shibahashi (1980) (aka a thermal overstability) forms a set of ”thermal instabilities”.

The Shibahashi process was rediscovered for disks around young stars by Klahr & Hubbard (2014) and dubbed convective
overstability. Initial studies neglected the vertical stratification (Lyra 2014), yet lately it was shown that COS will also exist in a
vertically stratified disk (Klahr 2023) (Paper I). This paper predicts growth rates for both GSF and COS modes as a function of
disk stratification and cooling rate. The formalism to determine these growth rates was already derived in Urpin (2003), yet the
existence of convective modes was not further investigated. In Paper I it was finally shown that a baroclinic atmosphere with its
non-parallel contours of pressure and entropy must also possess directions in which the stratification is super-adiabatic. While
this super-adiabatic stratification does not directly lead to convection as discussed in the Solberg-Høiland criterion (Rüdiger
et al. 2002), because of the stabilizing effect of the epicyclic term in the absence of thermal relaxation, it is sufficient to amplify
epicyclic oscillations for a thermal relaxation time on the order of the epicyclic oscillation time, i.e. the Keplerian period.

Also the GSF (Urpin 2003) and the VSI (Lin & Youdin 2015) possess growth rates in this cooling time regime beyond the
critical cooling time τc for VSI. Yet, numerical studies were not able to reproduce them for global simulations of disks (Manger
et al. 2021). The VSI seemed to be suppressed in the case of cooling times longer than the critical cooling time.

The growth rates of the fundamental large-scale VSI modes (Nelson et al. 2013) scale proportional to the disk aspect ratio
h = H/R, radial temperature stratification q and Keplerian frequency Ω

Γ ≈ h|q|Ω, (1)

which can be reproduced in numerical simulations (Nelson et al. 2013; Stoll & Kley 2014; Richard et al. 2016; Stoll et al. 2017;
Manger et al. 2021) as long as the cooling time is shorter than the critical value τc derived by Lin & Youdin (2015) (see also the
local variant in Urpin (2003)). In the present paper we show that, with sufficient resolution of limited radial and vertical extent,
we can reproduce the predicted growth-rates of Paper I. Translating our local resolution of 256 cells per pressure scale height H
to a global simulation covering ±3.5H would need 1792 cells in the vertical direction to reproduce the growth of GSF and COS
modes for long cooling times.

Both GSF and COS modes can only be avoided in a barotropic atmosphere, i.e. if pressure is a function of density only,
which means either globally constant entropy or globally constant temperature in the disk. Any temperature structure that is
not barotropic (aka baroclinic), will lead to instability of both GSF and COS modes. For short cooling times τ < τc GSF will
dominate, but for longer cooling times both GSF and COS have very similar growth rates. Thus, in disks around young stars
with thermal relaxation, both instabilities will always co-exist. For the purpose of a numerical experiment we will use a slightly
non-physical gravity law to either suppress COS or GSF, but for conservative gravity, this is not possible.

Even in regions which are radially stably stratified (with respect to convection) one can observe the development of slanted
COS modes. It is a major result of Paper I that COS does not strictly depend on radial unstable modes, but that slanted modes
also play an important role.

An effect of the limited vertical extent of our simulation domain can be observed in the saturation behavior of the linear growth
phase. Whereas in the global simulations eventually Kelvin-Helmholtz eddies are created between the vertical VSI modes as
shown by (Melon Fuksman et al. A&A, submitted) we see a rather smooth formation of radial confined regions of constant
angular momentum. In these bands there is no vertical shear and thus GSF growth does not exist anymore. Also the COS does
not persist anymore as the radial epicyclic frequency vanishes. Convection as described in the Solberg-Høiland criterion does
also not occur as we are able to measure. It is the baroclinic term itself that is now driving clockwise rotating eddies within the
bands of constant angular momentum, similar to horizontal convection or the ”Sea-breeze” mechanism in geophysics (Holton &
Hakim 2012). The mechanism is also related to the SBI (Petersen et al. 2007a), yet in contrast to that it operates also for very
short cooling times. The SBI, on the other hand, operates in the barotropic background of the disk, with the baroclinicity only
generated by the rotation of the in-plane vortex itself. This hysteresis effect only occurs when the cooling rate is of the order of
the rotation frequency of the vortex (Lesur & Papaloizou 2010; Raettig 2012).

1.1. Outline
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Table 1. Used symbols and definitions:

Symbol Definition Description

R,z,φ cylindrical coordinates
ρ, P density, pressure
cv specific heat
E, T E = cvρT internal energy, temperature
γ adiabatic index
K Pρ−γ specific entropy
p =

d log ρ(R,0)
d logR

global density gradient

q =
d log T (R,0)

d logR
global temperature gradient

aR, az ∇logρ local density stratification
bR, bz ∇logP local pressure stratification
sR, sz ∇logK local entropy stratification
Ω Keplerian frequency
c P/ρ isothermal speed of sound
H c/Ω pressure scale height
h H/R aspect ratio
τ thermal relaxation time
τc critical τ for VSI
τ∗ τγΩ dimensionless cooling time
kR, kz radial, vertical wave number
k wave number vector
a a · k = 0 direction vector for velocity perturbation
κ2R = 1

R3 ∂RΩ2R4 radial angular momentum gradient: epicyclic frequency

κ2z = 1
R3 ∂zΩ2R4 vertical angular momentum gradient

κ2k =
k2z
k2

(
κ2R −

kR
kz
κ2z

)
oscillation frequency (OF) for k

N2 = − 1
ργcv
∇P∇K buoyancy frequency (BF)

N2
R, N

2
z radial, vertical BF

aka Brunt-Väisälä-frequency

N2
k =

N2
R

(
1− bzkR

bRkz

)
k2z+N

2
z

(
1− bRkz

bzkR

)
k2R

k2
buoyancy frequency for k

N2
− = min(N2

k)k lowest local BF
N2

+ = max(N2
k)k largest local BF

κ2− = min(κ2k)k lowest local OF
κ2+ = max(κ2k)k largest local OF
ΓVSI = H

R
|q|Ω typical VSI growth rate

ΓGSF(τ < τc) =
|z|
R
|q|
2

Ω GSF growth rate for τ → 0

ΓGSF = q2

4
γ
γ−1

1
τ∗GSF+τ∗ Ω approx. GSF growth rate

ΓCOS = q2

8
γ
γ−1

τ∗

1+τ∗2
Ω approx COS growth rate

We test our predicted growth rates in non-linear hydrodynamic simulations for sufficiently small sections of a disk atmosphere
(to narrow down the possible range of growth rates) in Section 2.1. In Section 2.2, we perform test simulations in which we
suppress either COS or GSF by modifying stellar gravity to explore the unstable modes in their linear evolution and non-linear
saturation independently. Finally, in Section 2.3, we give an example of the development of diagonal COS modes in radially
stably stratified disks with a steep temperature gradient, as normal temperature gradients lead to insufficient growth rates to
be handled with our dissipative numerical scheme. In Section 3 we discuss eddies that we find in the non linear state of our
simulations, amplified by a separate process from COS and VSI. We identify the driving process as horizontal convection similar
to a ”Sea-Breeze” in geophysics. Section 4 summarizes our findings and gives an outlook to future work. Some details on the
four movies we present along with this paper can be found in the appendix.

2. NUMERICAL EXPERIMENTS
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Figure 1. Background structure of the simulation area around the midplane (z0 = 0) for a disk with q = −1 and p = −1.5. Density ρ,
temperature T , iso-contours and specific angular momentum j = ΩR2. We emphasize the iso-contours for pressure (red) and entropy (blue).
An the disk midplane, both gradients in entropy and pressure point radially inward (red and blue arrow). Away from the midplane, the iso-
contours and thus the gradients bend with respect to each other and the direction of largest unstable buoyancy (green arrows) is no longer
strictly radial but points towards and away from the midplane. This is the direction in which the COS would operate. The opposite direction is
stably stratified (grey arrows). The non-alignment of density and pressure (baroclinic structure) is the reason the specific angular momentum
decreases with height.

In paper I, we have seen that even for a given local stratification and thermal relaxation time, more than one instability can
grow. In order to disentangle the various mechanisms, vertical shear vs. super-adiabatic stratification, we perform a limited set of
numerical experiments.

Specifically we want to restrict ourselves to three key questions in the present paper:

1. Can we reproduce the predicted growth rates in numerical simulations of stratified accretion disks using the full non-linear
set of hydrodynamic equations?

2. Can we distinguish between COS and GSF modes in these simulations?

3. Can we reproduce the inclined COS modes in simulations with radially stable stratification?

For all these tests we will apply axisymmetric setups and also restrict the simulation area to just a fraction of the disk atmosphere.
This will 1) allow for a controlled experiment as the growth rates are height (z) dependent and 2) allow us to ensure sufficient
numerical resolution and a reasonable run time. This means we will not be able to address the full development of a saturated
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Figure 2. Background structure of the simulation area around one pressure scale height above the midplane (z0 = H) for a disk with q = −1
and p = −1.5. Density ρ, temperature T , iso-contours and specific angular momentum j = ΩR2. We emphasize the iso-contours for density
(black), pressure (red) and entropy (blue). At the midplane, both gradients in density and pressure point radially inward. Away from the
midplane, the iso-contours and thus the gradients in density (black arrow) and pressure (red arrow) bend with respect to each other (baroclinic
structure), which is the reason the specific angular momentum j decreases with height, or respectively the reason its iso-contours bend outward,
which is the cause of the GSF and VSI.

three dimensional turbulent state and the angular momentum transport associated with it. Initial tests indicate a large numerical
expense for such a study, especially if one wishes to adopt realistic values for the radial temperature gradient. We shall postpone
these simulations to a future paper.

The first question we will address by a set-up similar to Manger et al. (2021), yet apply a much smaller computational domain.

2.1. Initial and Equilibrium Disk Structure

Using the same grid size and resolution as in our global simulations (Manger et al. 2020, 2021; Pfeil & Klahr 2021) does not
provide the sufficient resolution to study the linear development of some of the slowly growing instabilities we consider in this
paper. Furthermore, a global disk has a wide range of growth rates, depending on distance to the star as well as distance to the
midplane. We will therefore pick two small sections of the disk roughly covering a vertical range either sitting in the midplane
(z0 = 0): z = −0.5H to z = 0.5H or in the atmosphere (z0 = H): z = 0.5H to z = 1.5H . The radial range will then span
from R = 1 − 0.5H to R = 1 + 0.5H and an axisymmetric region of height and width H . This shall allow for the study the
effect of stratification on the unstable modes without mixing too many different conditions for instability and growth rates in one
simulation and thus we can compare growth rates with analytical predictions.
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Figure 3. Background structure of the simulation area around the midplane (z0 = 0) for a disk with q = −0.5 and p = −1.5. Density
ρ, temperature T , iso-contours and specific angular momentum j = ΩR2. We emphasize the iso-contours for pressure (red) and entropy
(blue). Due to the shallower temperature gradient, the entropy gradient in the midplane (blue arrow) points inward, where as the gradient in
pressure points radially outward (red arrow), thus the midplane is radially stable with respect to convective modes. Outside the midplane, the
iso-contours and thus the gradients twist with respect to each other and they do not point strictly in opposite directions. Thus, there is now a
direction of unstable buoyancy (green arrow) very similar to the case with q = −1. This is the direction in which the COS would operate. The
opposite direction is stably stratified (grey arrows). The bending of the iso-contours in specific angular momentum as a cause for VSI and GSF
modes is also present, only weaker due to the shallower temperature profile.

Using small computational domains on the order of a pressure scale height makes one wonder why not use shearing sheet
coordinates as was successfully done for the the MRI (magneto rotational instability (Balbus & Hawley 1991)). For the SBI
(subcritical baroclinic instability) in Lyra & Klahr (2011) it was already necessary to introduce the global gradient of entropy
in a linearized way. The same setup for the COS in Lyra (2014) did not consider vertical stratification. The effect of vertical
density stratification, in combination with radial temperature stratification, to lead to vertical shear would then also have to be
incorporated by linearizing certain terms, which may even be prone to numerical artifacts once radial periodicity is applied
(McNally & Pessah 2015). Thus, in the spirit of Klahr & Hubbard (2014), which used a cylindrical yet vertically unstratified set
up we now go straight for a ”global” setup in terms of applied equations, but use a small simulation domain.

We use the PLUTO code (version 4.3) (Mignone et al. 2007) in a spherical (or cylindrical) axisymmetric setup using special
reflective boundary conditions that invert the normal component of velocities at the boundaries (both radial and polar, respectively
vertical). In a departure from normal reflective boundaries, we impose the initial values for all other quantities (pressure, density,
rotation profile) for the other ghost-cell values. The radial velocity at the vertical boundaries is defined as free slip, i.e., there
is zero gradient towards the ghost cells. We treat the vertical velocities at the radial boundaries in the same fashion. These
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boundaries ensure that we lose no mass and that even a strongly perturbed disk can decay towards the initial and equilibrium
state.

For the other details of our simulations we refer to Manger & Klahr (2018) In spherical coordinates, the small disk region is
defined as rmin = 0.95 to rmax = 1.05 in radius, and from either A: θmin = π

2 −0.5h to θmax = π
2 +0.5h or B: θmin = π

2 +0.5h

to θmax = π
2 + 1.5h. The standard resolution is 2562 cells, i.e. 256 cells per pressure scale height. Lower resolution than this

weakens the growth rates significantly. For a few cases (q = −0.5), we doubled the resolution to 512 cells per pressure scale
height for better convergence towards the predicted growth rates.

The boundary conditions could in principle affect our simulations, but at least in the linear and axisymmetric regime, we find
no severe impact of the quasi-reflective boundary conditions on the evolution of perturbations. We tested that in simulations
without thermal relaxation as well as with thermal relaxation, but no temperature gradient, and found that perturbations always
decayed.

During the non-linear stage of the instability we start to see some reflection of waves at the boundaries, which implies that for
larger scales and especially full three dimensional simulations one will have to introduce damping layers as in Manger & Klahr
(2018).

We assume that our disks are vertically isothermal, such that the slope of midplane density p and temperature q, as well as the
aspect ratio h0 = H/R at radius R0 defines our initial and background state of temperature T (R, z) and density ρ(R, z) in our
simulations as

ρ(R, 0) = ρ0

(
R

R0

)p
, T (R, 0) = T0

(
R

R0

)q
. (2)

The vertical density structure is then

ρ(R, z) = ρ(R, 0)e
R2

H2

(
R√

R2+z2
−1

)
, (3)

and the equilibrium rotation profile is

Ω2 =
MG

R3

√
1 + q

(
1− R√

R2 + z2

)
+ (p+ q)

H2

R2
. (4)

Our simulations are dimension free thus gravity constant G and stellar mass M are both equal to 1. Then the Keplerian speed at
radius R = 1 is also 1, as is the Keplerian frequency ΩKepler = 1, which defines the orbital period as tOrbit = 2π.

In Figure 1 and Figure 2 we show the initial density and temperature structure for model A with a radial temperature gradient
of q = −1 and density gradient p = −1.5. Note the non-alignment of density, pressure and entropy contours, which constitutes
the baroclinic state of the disk. This baroclinicity is likewise the cause for vertical shear and for convectively unstable directions.
Note that neither the GSF nor VSI have strictly vertical modes, nor does COS have strictly radial modes. Nevertheless, GSF and
COS modes are typically orthogonal to each other. In Figure 1, we emphasize that even close to the midplane, convective modes
are not strictly radial, and the vertical shear is weaker than in the atmosphere as can be seen in Figure 2.

Our models with a shallower temperature gradient q = −0.5 are convectively stable in the midplane, as the entropy increases
with distance to the star, but the pressure drops (See Figure 3). Outside the midplane, the pressure gradient turns towards the
midplane, whereas the entropy gradient turns away from the midplane. As a result, outside the midplane, there are directions
which are convectively unstable in the spirit of the COS. We omit a figure for the same parameters for the upper atmosphere as it
looks qualitatively like the model with the steeper temperature gradient.

2.2. Growth Rates: Local spherical simulations

The full growth rates for COS and GSF have been determined by solving the dispersion relation from Paper I, which is
equivalent to the one in the paper by Goldreich & Schubert (1967) as well as in the book by Tassoul (2000):

ω3 + ω2 i

γτ
− ω

[
N2

k + κ2k
]
− i

γτ
κ2k = 0. (5)

by numerical methods, which involves identifying the optimum wavenumber vector k = (kR, kz) for either COS or GSF.
Additionally analytic approximation have been given is Paper I, as was already suggested by (Urpin 2003). Stability and growth
rates are determined by the oscillation frequency1 κ2k based on the gradient of specific angular momentum j = R2Ω:

κ2k =
k2z
k2

(
κ2R −

kR
kz
κ2z

)
=

1

R3

k2z
k2

(
∂Rj

2 − kR
kz
∂zj

2

)
, (6)

1 This is equal to Q2 in Urpin (2003). See our discussion in Paper 1.
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(a): q = -1 (b): q = -0.5

Figure 4. Numerically determined growth rates compared to analytic growth rates Γ for COS and GSF for p = −1.5 as function of cooling
time τ for various heights above the midplane. (a): q = −1 and (b): q = −0.5. In ascending order z = 0.1H, 0.5H,H, 1.5H, 2H
for a disk with H/R = 0.1 and the adiabatic index of γ = 1.4. The solid blue line corresponds to z = H . The strength of COS is
mostly independent of height, which makes the red lines almost indistinguishable. The brown symbol + are measured growth rates in local
axisymmetric hydrodynamic simulations (at 256/H) for a box centered around z0 = h and magenta X symbols the same for a box at z0 = 0.
For q = −0.5 we added some runs at double resolution (512/H), indicated by magenta squares, which produces a better agreement.

and the projected buoyancy frequency2 N2
k .:

N2
k = −c

2

γ

(kRbz − kzbR) (kRsz − kzsR)

k2
≡ −c

2

γ

(k× b) · (k× s)

k2
, (7)

with the logarithmic entropy s and pressure gradient b. Both κ2k and N2
k are functions of R and z, and depend on the direction

of the velocity perturbation, which occurs perpendicular to k. The indicated analytic growth rates in Figure 4 are the fastest rates
for either instability, i.e. their individual optimum k, see Paper I. As GSF is an instability with no real part in ω and COS is an
overstable oscillation with the real part of ω ≈ Ω, i.e. the local epicylclic frequency it is straight forward to separate the COS and
GSF growth rates.

To explain the shape of the growth rates as function of τ and z it is helpful to analyze the approximate solutions of the dispersion
relation. We find the local GSF growth rates for instantaneous cooling

ΓGSF(τ << τc) =
1

2

|κ2z|
Ω2

Ω =
|q|
2

|z|
R

Ω, (8)

thus height dependent and proportional to q. For GSF as a function of normalized thermal relaxation time τ∗ = τΩγ, we found

ΓGSF =
h2q2

4

γ

γ − 1

1

γΩτc,GSF + τ∗
Ω, (9)

with the critical cooling time for GSF:

τc,GSF = h
H

2|z|
|q|
γ − 1

Ω−1. (10)

2 In the notation of Urpin (2003) this is the term ω2
g , but we want to stick with the notation of Brunt-Väisälä-frequencies .
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which for z = H/2 leads to the same result as for the critical time for VSI: τc. Thus for long cooling times the growth rate is
independent of z and proportional to q2and h2.

Likewise for the COS we derived:

ΓCOS =
h2q2

8

γ

γ − 1

τ∗

1 + τ∗2
Ω, (11)

which has a maximum for τ∗ = 1. For τ∗ > 1, both growth rates GSF and COS attain a constant ratio of 2 with respect to each
other and this result is largely independent of the radial density structure. We plot the predicted growth rates as a function of
cooling time for a selected range of heights in Fig. 4 for q = −1 and for q = −0.5. We also include the estimates for critical
VSI cooling time from Lin & Youdin (2015) and the growth rates from Nelson et al. (2013) as vertical and horizontal yellow
lines, respectively, and find them as good indicators for the asymptotic behavior of the GSF growth rates at large heights for short
cooling times.

We find that the GSF growth rates for τ∗ = 1 are approximately one order of magnitude smaller than the optimal growth rates
for GSF at the respective height and COS is therefore 40 times slower. For much longer cooling times like τ∗ = 10, both GSF
and COS growth times are about two orders of magnitude longer than for the optimal VSI.

We also added our measured values for growth rates from our numerical experiments in the following section to these plots
and will discuss them in that section.

The analytic growth rates are predictions for the linear phase of growth. Based on these growth rates we cannot estimate what
the saturated level of turbulence may be or, even harder, what the contribution to turbulent angular momentum transport. Both
questions, even though very relevant, are beyond the scope of this paper. The fact that we thought disks to be stable with respect
to VSI beyond the critical cooling time in our recent simulations (Manger et al. 2021) hints at the problem that low growth rates
need low numerical dissipation. Thus a careful choice of solving scheme and sufficient spatial resolution is key. A first attempt
in establishing this knowledge is part of the following section.

All models for q = −1 (and respectively q = −0.5) use the same initial density and temperature structure, which also defines
the temperature towards which temperature fluctuations are getting relaxed. In the PLUTO code we control the cooling by
updating the pressure according to:

P t+dt = ρT0 −
(
ρT0 − P t

)
e−dt/τ , (12)

which is stable for an arbitrarily short cooling time. The Strang splitting method is typically applied in the PLUTO code, i.e. one
switches the order of hydrodynamic versus cooling operators each timestep. However, this had to be modified to a leap-frog type
of splitting, to handle cooling times properly that are smaller than the hydrodynamic step:

P t+0.5dt=ρT0 −
(
ρT0 − P t

)
e−0.5dt/τ , (13)

P ∗= fhydro(P t+0.5dt), (14)

P t+dt=ρT0 − (ρT0 − P ∗) e−0.5dt/τ . (15)

The cooling time is varied from τ∗ = 10−5 to τ∗ = ∞ (no cooling) and the initial perturbation is 10−4 of density, but the
pressure remains unchanged, i.e. we perturb the temperature inversely to the density.

It is not trivial to study the linear evolution phase for an instability with a Godunov solver aimed to be stable and accurate in the
presence of shocks. One would actually wish to use a low Mach-number code (Almgren et al. 2006; Edelmann et al. 2021), which
is a topic for future projects, or a high-order finite difference method such as the Pencil Code (Lyra & Klahr 2011; Lyra 2014). In
addition, a spectral code with a Boussinesq ansatz as in the code SNOOPY, has been successfully used for VSI simulations (Latter
& Kunz 2022) as well as for unstratified COS simulations (Teed & Latter 2021). Unfortunately, in quasi-incompressible local
Boussinesq simulations the ability of sound waves to carry angular momentum (Heinemann & Papaloizou 2009) is suppressed.
Thus one needs global compressible simulations to study transport processes as well as the possible formation of particle traps
like zonal flows and vortices. For the moment, we use a code that we know can handle global VSI simulations (Manger et al.
2021; Pfeil & Klahr 2021). If our code cannot reproduce the linear growth rates, we would also not trust the results of a three
dimensional simulation.

With the PLUTO 4.3 code (Mignone et al. 2007) we found that high order time integration (Runge Kutta 3) and space interpo-
lation (WENO3) in combination with an accurate Riemann solver ( in our case a Roe solver) is essential for converging results at
reasonable resolution. Parabolic interpolation of 5th order in space is slightly less suitable3. We tried both conservation of total

3 Recently we switched to PLUTO 4.4 and now can use the WENOZ scheme in combination with HLLC for fast and accurate reproduction of the linear growth
phase.
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(a): z0 = 0; t = 200 Orbits (b): z0 = H; t = 40 Orbits

Figure 5. Classical GSF for short cooling times: τ∗ = 10−5 Simulation snap shots for q = −1, p = −1.5,. (a): for the midplane (z =
[−0.5H, 0.5H]) and (b): for the atmosphere (z = [0.5H, 1.5H]). We plot the vertical velocities (vz) indicated with a red (positive = upward)
and black/cyan (negative = downward) color scheme. Same simulations as in Fig. 6.

(a): z0 = 0 (b): z0 = H

Figure 6. Evolution of r.m.s. and maximal velocities for q = −1, p = −1.5, τ∗ = 10−5. (a): for the midplane (z = [−0.5H, 0.5H]) and (b):
for the atmosphere (z = [0.5H, 1.5H]), in units of the speed of sound and as function of time in units of orbits. We show the r.m.s. velocities
(in the R-z plane) as solid black line. The largest radial velocity is indicated with the red line and the largest vertical velocity with the blue line.
The magenta and yellow lines are the fitted growth rates Γ1 and Γ2 for two different time intervals given in plot with the analytic growth rate
range for the simulated domain.
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energy and entropy conservation for the energy equation, with little difference in the linear phase. Thus our simulations use the
total energy scheme of PLUTO, which is numerically slightly cheaper than the entropy conserving scheme.

In Fig. 4, we plot the measured growth rates for q = −1 for the midplane centered boxes (models A: crosses +) and z0 = H

centered boxes (models B: X) along with the analytic predictions for GSF (blue lines) and COS (red lines) for various heights.
The dotted line indicates the separation between the two sets of simulations, i.e. growth rate for z = 0.5H . Thus, we find a good
reproduction of the predicted growth rate. For short cooling times, the GSF modes clearly must be the drivers of growth. For
longer cooling times, the simulations in the higher atmosphere clearly show the right amount of decrease in growth as expected
for GSF, yet for the midplane boxes the measured growth rates could be produced by either COS or GSF. We therefore inspect a
trio of models with a range of cooling times τ∗ = 10−5, 1, 10 more closely, which will also show how we obtained the plotted
growth rates for Fig. 4.

2.2.1. Models: τ∗ = 10−5

Models with extremely short cooling timescales are the closest to the classical simulations of VSI (Nelson et al. 2016; Stoll &
Kley 2014; Manger & Klahr 2018; Manger et al. 2020, 2021; Pfeil & Klahr 2021). In Fig. 5, we show snapshots of the vertical
velocities and temperature perturbations during the linear growth phase. One clearly recognizes the radially alternating vertical
motion of the gas driven by the VSI/GSF. With careful inspection one finds that the direction of the vertical motion is neither
purely vertical nor along contours of constant angular momentum, but half-way between both. This elucidates the cause of the
linear GSF modes, as a flow of higher angular momentum material upward and more importantly outward into a region of lower
angular momentum, just as in the classical Rayleigh criterion for rotational stability. This is the fundamental cause of the GSF
and thus VSI.

In Fig. 6, we show the time evolution of the velocities. We plot for both models the overall r.m.s. velocities of the radial and
vertical components in order to measure the growth rates the largest velocities. We plot vertical velocities in blue and radial
velocities in red; once more one recognizes that for both the midplane and the atmosphere models the GSF dominates, even at
the midplane with the smaller expected growth rate. The saturation level of the r.m.s. speed in both cases is very similar, despite
the difference in growth rate. Interestingly, we observe a different saturation effect for GSF modes than the effects of saturation
discussed for global VSI simulations by Latter & Papaloizou (2018) and Cui & Latter (2022), probably due to the local nature of
our simulations. In fact, after the linear growth phase, clockwise rotating eddies emerge, very similar to the ones we show in the
following paragraph, where we will discuss them some more.

2.2.2. Models: τ∗ = 1

For a cooling time τ∗ = 1, the COS modes are expected to reach their fastest growth and the GSF modes grow significantly
slower than in the τ = 10−5 case, yet still about four times faster than the COS (see Fig. 7). In Fig. 8, we see that for the z0 = H

case, one still recognizes the typical GSF modes during the linear growth phase and Fig. 7 confirms that the measured growth
rates coincide with the predicted GSF growth rates for the first 200 orbits. After the linear GSF growth comes to a halt, the
system slowly continues to evolve, still growing, but at a lower rate. At this stage, the developing pattern is no longer dominated
by vertical motion, but forms small loops in the R-z plane as can be seen in Fig. 8. The loops are initially located in the bands
of constant angular momentum, created by the linear phase of the GSF and over time create more extended radial regions of
constant angular momentum (See Movie 1a).

We found that these eddies are not driven by convection, as we measured no down gradient corresponding transport of entropy,
but instead the opposite. They mix entropy downward to the midplane. Note that they also appear in the τ∗ = 10−5 simulation,
where a short cooling time prevents any convection. The eddies can also not be driven by vertical shear, as they sit in bands of
constant angular momentum, where there is no vertical shear. In a way the GSF has produced a state in which it cannot operate
anymore, which defined the end of its growth.

The situation at the midplane is also very interesting. Initially, vertical GSF-like modes dominate, and later radial COS modes
take over, as can be seen in the snapshots (Fig. 8) as well as in the growth rates (Fig. 7). Initially, the largest velocities are the
vertical motions (blue curve) and later from about 1000 orbits onward, radial oscillations (red curve) are stronger. In fact, COS
modes grow right from the start, and we have a nice superposition of COS and GSF modes, which in their linear stage do not
affect each other.

After about 1700 orbits, the radial oscillations of the epicycles are so strong that the vertical shear between an outward moving
and inward moving band becomes unstable to vertical shear modes. Briefly, the vertical velocities dominate over the radial
velocities, damping the radial velocities, which then start to grow again. This can best be seen in a movie created from this
simulation. Lyra (2014) and Teed & Latter (2021) already discuss various phases of growth for unstratified COS simulations
and the second phase was attributed to a Kelvin-Helmholtz instability (KHI) acting as a parasitic effect on the channel modes

https://youtu.be/YeB_fOlLwsE
https://youtu.be/02TnKk5rNv0
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Figure 7. Evolution of r.m.s. and maximal velocities for q = −1, p = −1.5, τ∗ = 1 in the disk atmosphere (z = [0.5H, 1.5H]) in units of
the speed of sound and as function of time in units of orbits. We show the r.m.s. velocities (in the R-z plane) as a solid black line. The largest
radial velocity is plotted with a red line and the largest vertical velocity with a blue line. The yellow and magenta dashed dotted lines are the
fitted growth rates Γ1 and Γ2 given in plot, along with the analytic growth rate range for the simulated domain.

(radial epicyclic COS oscillations). In our stratified simulations, we argue that saturation of COS modes occurs when the channel
modes which conserve angular momentum reach an amplitude at which the oscillating vertical shear between inward and outward
moving sheets of gas becomes unstable as a variant of the GSF itself. More precisely, as soon as the GSF growth time, based
on the amplitude of the oscillation of vertical shear, is shorter than the oscillation period, we get a small outburst of GSF that
removes part of the vertical shear and thus damps the radial COS modes. After that the COS grows again, eventually leading
to the next GSF eruption (see Movie 1b). Note that this GSF is not product of the baroclinic state of the disk, but a secondary
instability once the COS modes have an appropriate amplitude.

2.2.3. Models: τ∗ = 10

https://youtu.be/02TnKk5rNv0
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(a): t = 150 orbits

(b): t = 1000 orbits

Figure 8. Simulation snapshots for q = −1, p = −1.5, τ∗ = 1. An early snapshot showing the linear development of GSF modes (a) and a
later snapshot with showing the non-linear pattern of circulation regions (b), both in the atmosphere (z = [0.5H, 1.5H]). We plot the deviation
of local temperature ∆T = T ′/T0 and vertical velocities in the R-z plane. The further development of this simulation can be found in Fig. 9.

For even longer cooling times, we still find the evolution of GSF modes in the atmosphere and clear COS modes in the
midplane. In the latter case, the radial modes dominate throughout the run. One also finds the intermittent outbreak of GSF
modes, once COS reaches a certain amplitude (see Fig. 12).

2.2.4. Models: q = −0.5

We did the same exercise with simulations using a shallower temperature gradient of q = −0.5 and our measurements of linear
growth rates can be found in Figure 4. For the z0 = H runs we found good agreement between the predicted GSF growth rates
and the measured values, but not as good as in the q = −1 case. We explain this discrepancy by numerical dissipation, which
damps the growth of modes. Therefore we added runs with double the resolution (512 cells per scale height) and measured
growth rates much closer to the analytic prediction.

For the models in the midplane z0 = 0, the measured growth rates are much lower than predicted, especially for longer cooling
times. The missing crosses in Figure 4 indicate simulations for which we did not find a linear growth-phase, despite growing
velocities and thus could not measure a proper growth rate.
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(a): t = 2000 orbits

(b): t = 6000 orbits

Figure 9. Simulation snapshots for q = −1, p = −1.5, τ∗ = 1 showing the non-linear pattern of circulation regions (b), both in the atmosphere
(z = [0.5H, 1.5H]) sitting in bands of locally constant angular momentum j = ΩR2. We plot the deviation of local temperature ∆T = T ′/T0,
absolute velocities in the R-z plane indicate pseudo-streamlines, the darkest regions correspond to the largest velocities and the white regions
to zero velocity.

One possible continuation these studies, would be to increase the resolution, which might find stronger growth rates and
extended linear periods of growth, but might require a switch to a much less dissipative scheme. Note that by increasing the
resolution, we also end up with a smaller time step, which means that our sub-sonic motions do not benefit as much as an
incompressible scheme by the increased resolution. An incompressible scheme like Snoopy (Lesur & Longaretti 2005) or possibly
a low-Mach number scheme (Almgren et al. 2006) should be able to clarify this in the future.

Nevertheless, based on our numerical experiments, we argue that the predicted growth rates for our dispersion relation can
actually be recovered in non-linear simulations. We can identify GSF modes and COS modes in the linear evolution of vertically
vs. radially dominant velocity perturbations. Even more importantly, we can confirm that GSF does not die out at longer critical
cooling times, but simply takes a little longer to grow. But clearly we have shown that one cannot construct a stable atmo-
sphere for a protoplanetary disk with a radial temperature gradient that has a non-vanishing thermal relaxation, i.e. any realistic
protoplanetary disk.

So far we identified GSF and COS modes in our setups by checking growth rates and dominant directions of velocity. Dominant
vertical motions should correspond to GSF modes and dominant radial oscillations to COS modes. But this only holds for the
first hundred orbits of the linear growth phase. For instance, in the model depicted in Fig. 8 and 9 with q = −1 around z0 = H ,
we find the end of the linear growth at about 600 orbits (see Fig. 7), after which radial and vertical velocities are similar in
amplitude and the growth rates are still positive at a level of Γ = 4 × 10−4. The question is whether this continued growth,
which is distinguished by the development of little whirls inside the bands of roughly constant angular momentum, is originally
created by the VSI and GSF or by the COS? Inspecting the expected growth rates for COS, which are five times stronger than the
measured ones, and which can be reproduced in the linear phase of midplane evolution, makes it hard to explain the discrepancy
by the dissipative scheme of the PLUTO simulations.
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Figure 10. Evolution of r.m.s. and maximal velocities for q = −1, p = −1.5, τ∗ = 1 in the disk midplane (z = [−0.5H, 0.5H]) in units of
the speed of sound and as function of time in units of orbits. We show the r.m.s. velocities (in the R-z plane) as a solid black line. The largest
radial velocity is plotted with a red line and the largest vertical velocity with a blue line. The yellow and magenta dashed dotted lines are the
fitted growth rates Γ1 and Γ2 given in plot, along with the analytic growth rate range for the simulated domain.

It could also be that this is actually already a non-linear growth phase or at least a new linear growth phase, in which the
background state has significantly changed and needs a new analysis. Before one starts such an attempt, we can analyze the
driving force of this swirl amplification. We first measured the net entropy transport along the stream lines of the swirl in order
to interpret the swirl as a convection cell that converts buoyancy into motion. But this analysis of the flow does not support the
idea that the swirls are convection cells driven by entropy transport. In fact, we found entropy to be mostly mixed downward to
the midplane, as expected.
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(c): z0 = 0; t = 400 orbits

(d): z0 = 0; t = 1400 orbits

(e): z0 = 0; t = 6000 orbits

Figure 11. Simulation snapshots for q = −1, p = −1.5, τ∗ = 1 (c), (d) and (e) for the midplane (z = [−0.5H, 0.5H]). Continuation of Fig.
8. See also Fig. 7.
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(a): z0 = H; t = 10000 orbits

(b): z0 = 0; t = 4821 orbits

Figure 12. Simulation snapshots for q = −1, p = −1.5, τ∗ = 10, (a) for the atmosphere (z = [0.5H, 1.5H]) and (b), for the midplane
(z = [−0.5H, 0.5H]). We plot the deviation of local specific entropy K = Pρ−γ with ∆K = K′/K0 in units of the background entropy.
Lighter indicates more entropy, darker less entropy. Absolute velocities in the R-z plane indicate pseudo-streamlines, the darkest regions
correspond to the largest velocities and the white regions to zero velocity, overall normalized to the velocities at the given time.

So to see if these modes depend on the vertical shear or the entropy gradient, we choose to either switch off GSF or suppress
COS and see what happens in such a case. We have already argued that in a real disk this is not possible, so we apply a slightly
artificial disk simulation in the following section.

2.3. Separating the modes

In a real disk, it is impossible to separate GSF and COS for larger cooling times, because for all possible configurations of our
atmospheres we found the growth rates of GSF to dominate. Furthermore, for cooling times suitable for COS, the growthrates
GSF and COS scale similarly with respect to the disk structure, as shown in Equations (11) and (9). The cause for both instabilities
is the magnitude of the baroclinic term in the vertical radial structure of the disk, i.e. the vertical gradient of angular momentum
being proportional to the φ component of the cross product of density and pressure gradients:

κ2z = − 1

ρ2
(∇ρ×∇P )φ , (16)
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However, we can use a trick in our numerical simulations. We can modify the applied gravitational forces in a way such that they
are no longer conservative (derived from a potential), but instead they either balance the radial buoyancy to remove vertical shear,
or they introduce vertical shear for disks without radial temperature gradient.

To simplify things, we first define vertical gravity in the z � R limit

gz = −MG
z

R3
= −Ω2z, (17)

instead of full gravity with the spherical radius r2 = z2 + R2. The associated density structure is then the classical Gaussian
shape

ρ = ρ0e
− z2

2H2 . (18)

The full radial component of gravitational acceleration in this z � R approximation would be

gR = −MG

R2
, (19)

but in order to balance the thermal wind equation (see Eq. 16) and enforce κ2z = 0, even when q 6= 0, we use a radial acceleration
that changes slightly with height

gR = −MG

R2

(
1− 3 + q

2

z2

R2

)
. (20)

This corresponds to a tiny 1% modification of gravity at z = H = 0.1R for q = −1. The resulting equilibrium rotation profile
for the initial condition is then

Ω2 =
MG

R3

√
1 + (p+ q)

H2

R2
. (21)

In such a setup, the disk will allow for the convective modes (COS) but not for the vertical GSF shear modes.
If, on the other hand, we wish to suppress the convective modes, we can set q = 0 for the actual density and temperature

structure of the disk. In contrast to the above strategy, we modify the radial gravity to produce a κ2z appropriate for a hypothetical
temperature gradient q∗:

gR = −MG

R2

(
1− 3− q∗

2

z2

R2

)
, (22)

which implies that

Ω2 =
MG

R3

√
1 + q∗

z2

2H2
+ p

H2

R2
. (23)

and radial buoyancy, and therefore COS, is eliminated but not the GSF.
We perform these simulations in cylindrical (R, z) coordinates for the same parameters q = −1, τ∗ = 1 and z0 = H as for the

spherical model, but use an even smaller simulation domain to properly resolve the instabilities without a burdensome numerical
cost. We also desire to minimize the effect of using non-conservative gravity, because as in M.C. Escher’s famous infinite
staircase, it could be possible to circulate in a closed streamline in our simulation domain and continually release potential
energy. Using a simulation with instantaneous cooling but suppressed GSF modes, we tested that this effect does not lead to an
artificial instability in our simulations.

The radial and vertical domain centered around a point at z0 = H is now only 0.2H wide thus 0.99 < R < 1.01 and
0.09 < z < 0.11. With 256 cells in both directions we have a resolution of 1280 cells per scale height. True resolution studies
for convergence should eventually also consider micro physics, like molecular viscosity and thermal conductivity or realistic
radiative processes appropriate in optically thick and thin regimes. Without these processes the range of unstable wavenumbers
is unlimited and with higher resolution more unstable modes are possible.

We conduct three different simulations for the same setup in terms of disk parameters q, p, h, τ∗ but either use a ”full” gravity
model, with the correct conservative gravitational potential, a ”No GSF” model, which suppresses vertical shear, and a ”No
COS” model, that has no radial temperature gradient, but vertical shear due to the modified gravity. They all start from a 1%

perturbation in density, but no perturbation in pressure.
In Fig. 13, we compare the three simulations after 100 orbits. Both the full model and the ”No COS” model show the prominent

vertical GSF modes. The ”No GSF” model shows the radial convective oscillations of COS. The absolute values of the velocities
can be read from the time evolution of velocities in the three models in Fig. 14. We also produced a movie of the ”No GSF”
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(a): full model: t = 101 orbits

(b): No COS t = 100 orbits

(c): No GSF t = 1400 orbits

Figure 13. Simulation snapshots at t = 100 orbits for q = −1, p = −1.5, τ∗ = 1 at z0 = H . In (a): the full model, (b): suppressed COS
modes and (c): suppressed GSF modes.

simulation (see: Movie2), which displays the radial oscillations, which slowly move upward away from the midplane, while
slowly growing in amplitude.

Both models allowing for GSF (full and ”No COS”) reach the end of the linear growth phase after 200 orbits, at which time
the r.m.s. velocity is about 3× 10−4cs, whereas the pure COS simulation (”No GSF”) grows for 1500 orbits to saturate at a level
of vr.m.s. = 2 × 10−3cs. At this amplitude, the COS channel modes create parasitic GSF modes (see Fig. 15), same as shown
in the spherical simulations close to the midplane in the previous section. Note that the measured growthrates are about 2 times
smaller than the analytic prediction, which may be related to the resolution, to the radial limitation of the computational domain,
or possibly the artificial modification of the gravitational potential. In the full simulations in the previous section (See Fig. 10),
the measures COS growth rates matched the analytical derived estimation. The velocity amplitudes of the GSF runs continue to
grow over time in a second growth phase, albeit at rates even longer than the expected COS modes. The ”No COS” model stalls
its growth at an amplitude of vr.m.s. = 10−2cs, but the full model continues to grow.

2.4. Diagonal COS modes

https://youtu.be/xosb3Pll24A
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(a): full model (b): No COS (c): No GSF

Figure 14. Evolution of r.m.s. and maximal velocities for q = −1, p = −1.5, τ∗ = 1 for a small section of the atmosphere (z = [0.9H, 1.1H])
in units of the speed of sound and as function of time in units of orbits. In (a): full model (b): No COS: Convective modes are suppressed
and (c): No GSF, suppressed GSF modes. We show the r.m.s. velocities (in the R-z plane) as a solid black line. The largest radial velocity is
indicated by the red line and the largest vertical velocity by a blue line. The yellow and magenta lines are the fitted growth rates Γ1 and Γ2

given in plot, along with the analytic growth rate range for the simulated domain.

Our simulations with q = −0.5 did not show a clear linear growth of any modes, even though there should have been some
unstable diagonal / slanted modes, albeit growing over rather long time scales. So do they exist and are only damped by the
numerical scheme?

To test the hypothesis that in radial, stably stratified regions one can still have diagonal convective modes we chose a radial
temperature profile of q = −4, which according to our equations should provide fast enough growth for COS modes. For a
normal disk structure, this would be unstable to radial convection, so we choose an ad hoc density gradient of p = 4.4. Thus as
density increases radially, like at the transition between an inner cavity and disk, the radial pressure gradient always points inward
for all heights considered, whereas the entropy will always decrease outward. It is not necessary to discuss if and where such a
stratification would occur in a disk, it is only important that we show that for this case the predictions from the linear analysis can
be tested. From this test we can infer about the validity of the dispersion relation for inclined modes in general.

We would have preferred to do such a test for the q = −0.5 models, but with our numerical scheme and resolution, we were
not able to clearly identify the diagonal modes in these runs even for resolutions of 1024 cells per scale height. Possibly some
other numerical hydrodynamic scheme will be able to do so eventually.

Our model uses the cylindrical setup, so we can test the full model and compare it with the model of suppressed GSF (”No
GSF”) using the modified gravity from the previous section. Our model has the dimensions in radial direction 0.95 < R < 1.05

and vertical direction −0.05 < z < 0.05 using 512 cells each in both directions and the usual closed boundary condition. Disk
aspect ratio h = 0.1 and adiabatic index γ = 1.4 is the same as in all the other models, and the cooling time is τ∗ = 1. We
perturb all three velocity components with random values in the range of ±10−5 of the local speed of sound to allow for a fair
comparison of the No GSF and full modes, which would respond differently to a perturbation in density.

In Fig. 16 we show a snapshot at t = 300 during the linear growth phase. The COS modes appear as diagonal perturbations,
which actually propagate orthogonal to their wave vector. The details of the evolution of these modes can best seen in a movie
of this simulations (see Movie 3). The growth rates are on the expected order of magnitude. The modes saturate after about 600
orbits at which time the flow becomes chaotic.

To show these diagonal modes was a matter of principle. If we do not suppress vertical shear, then as for all other parameters,
the GSF will grow faster and eventually create bands of constant angular momentum with embedded eddies, at least for the
axisymmetric setups considered here (see Fig. 16). We will discuss the cause for the eddies some more in the following section.

3. HORIZONTAL CONVECTION

In basically all runs outside the midplane we found the formation of in-plane eddies. For short as well as long cooling times, as
well as in the simulations of the previous section (see Fig. 15), as long as the disk was baroclinic. Only the ”No VSI” run showed
no such eddies forming.

https://youtu.be/mYtwbSXYACY
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(a): full model t = 2400 orbits

(b): no COS t = 2400 orbits

(c): no GSF t = 2087 orbits

Figure 15. Simulation snapshots after the end of the individual linear growth phase for q = −1, p = −1.5, τ∗ = 1 at z0 = H . Each row
starting from the top: (a) the full model, (b) suppressed COS modes, and (c) suppressed GSF modes.

The reason for these in-plane whirls is two-fold. First, the vertical modes of GSF eventually create regions of constant angular
momentum and then the baroclinic term is longer balanced by vertical shear (thermal wind), but produces vorticity. In the
fluid dynamics literature this effect is called horizontal convection (HC), which is not driven by a horizontal super adiabatic
stratification, but directly by the baroclinic term. It occurs in systems with negligible rotation, which are baroclinic because of
differential heating, for instance the sea-breeze effect (Holton & Hakim 2012).

In the linear stage of our disk simulations κ2z is balanced by the baroclinic term, but once the vertical shear vanishes we have
κ2z = 0. For the ”thermal wind equation” we explicitly set radial and vertical velocities to constant zero vR = vz = 0, but now
we can take the curl of the momentum equations and introducing the φ component of vorticity ωφ = ∂Rvz − ∂zvR we find:

∂tωφ =
(∇ρ×∇P )φ

ρ2
+ κ2z. (24)

Thus in the initial state with vertical shear there is no horizontal convection possible. But as vertical shear and radial angular
momentum gradient is locally removed, vorticity can be created, as the global rotation of the disk can be ignored. In that case
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No GSF t = 600 orbits

Full Model t = 100 orbits

Figure 16. Simulation snap shot during the linear growth phase for q = −4, p = +4.4, τ∗ = 1 at z0 = H . When GSF is suppressed, one can
clearly see the diagonal / slanted convection modes. In the full model GSF modes dominate.

we have a typical case of horizontal convection, the driving mechanism behind the Sea-breeze in geophysics (Holton & Hakim
2012).

In global simulations one can observe the same effect, but additionally one finds that the shear between the vertical modes
undergo a Kelvin-Helmholtz instability (see Melon Fuksmann A&A, submitted). But these eddies rotate counter clock wise
following the radial shear of vertical motions between the bands of constant angular momentum. Yet inside the bands of constant
angular momentum the eddies we observe in our simulations are all rotating clockwise, as forced by the sign of the baroclinic
term. It seems that our local simulations saturate, before the KHI can be triggered.

Like the COS and GSF, HC feeds on the baroclinicity of the disk, yet cannot be described by plane waves. For the COS, we
consider oscillations that are amplified if the cooling time and the oscillation period are similar. For the horizontal convection
in a disk, there already have to be closed loops, i.e. closed streamlines of constant angular momentum, so the flow in the whirl
can move freely. If we now perform an integral of PdV along this stream line, we can determine the work set free in the whirl,
which in terms of density and pressure along the path s is given by the integral

W =

∮
s

P
∂V

∂s
ds = −

∮
s

P

ρ2
∂ρ

∂s
ds. (25)

If we adopt the initial density and temperature structure for our disks, we can easily evaluate this integral numerically for arbi-
trary loop shapes and sizes. Using Stokes theorem, we can replace the line integral by the surface integral, where a clockwise
circulation produces a positive area (and an anti-clock wise circulation a negative area)

W =

∫
S

∇ρ×∇P
ρ2

· dS = −
∫
S

κ2zdS. (26)

Thus in the northern hemisphere with κ2z < 0 for the initial equilibrium structure clockwise circulations are amplified, whereas
in the southern hemisphere counter-clockwise whirls are amplified.

For a barotropic system, the integral of PdV for a closed loop is always zero and thus no energy can be released, even though
there may be changes in density and pressure along the path. But in a disk with a prescribed density structure of p = −1.5
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and independent temperature structure q = −1, eddies will release energy when they rotate clockwise in the atmosphere above
the midplane or counterclockwise in the atmosphere below the midplane. The energy released by the eddy scales with its size
and with the velocity of the flow. If there was no thermal relaxation, then entropy would be conserved along the fluid line and
the work integral would also be always zero. But for thermal relaxation towards said initial configuration, the atmosphere has a
chance to maintain its baroclinicity. This is now already a difference with respect to the COS. The COS is bound by the epicyclic
frequency and thus will operate poorly for larger cooling rates. But horizontal convection has no such restriction. The shorter the
cooling time, the faster the gas can flow. Otherwise the cooling time will limit the velocity of the expanding gas.

The eddies on the other hand, sit in a baroclinic structure and thus they can be amplified by arbitrary short or long cooling
times. Of course for long cooling times the velocity of the eddies will be limited by the cooling rate.

Checking Fig. 15, we can clearly identify the eddies for the full model. Evaluating the integral W along a stream line inside
a whirl indeed results in a net release of thermal energy. But why does the pure COS model ‘No GSF’ not show these modes?
The integral of pdV would still suggest the release of energy, however in modifying the implementation of gravity we also have
to integrate the release of potential energy in our non-conservative setup. And as gravity was modified to remove the vertical
shear, the integral of gravitational forces exactly cancels the release of thermal energy and the baroclinic eddies vanish. The ‘No
COS’ simulation on the other hand, has a barotropic background and thus the integral of pdV vanishes. But we still see the same
whirls at least initially as in the full simulation. In this case, the modified gravity used to generate vertical shear allows for the
continuous release of potential energy as alluded to in the aforementioned Escher staircase analogy. We see that while it may
still be valid to study the linear phase of GSF and COS in the modified gravity regime, the non-linear phase will contain some
non-physical results.

So at least in the full version of our axisymmetric simulations, we can clearly identify these baroclinic driven eddies, which
are responsible to increase the r.m.s. velocity after the saturation of the GSF modes by an order of magnitude. All whirls rotate
clockwise, as the counterclockwise whirls would convert motion into heat like a heat engine. In the southern hemisphere, below
the midplane, of course the counterclockwise eddies will be the ones amplified.

As mentioned before, these whirls are only so efficient because they sit in a band of constant angular momentum, which itself
would be unstable in 3D simulations. Thus the possibility of having some baroclinic driven eddies will have to be studied in
dedicated 3D simulations in the future. But it is clear that any developing non-linear flow in 3D has the chance to tap into the
baroclinicity of the disk, they don’t have to be axisymmetric to release energy. One will have to hunt for these modes in future
simulations.

A similarity also exists between the baroclinic driven eddies and the vortex amplification in the subcritical baroclinic instability
(SBI) (Petersen et al. 2007a,b; Lesur & Papaloizou 2010), in the sense that for both instabilities it needs a pre-existing vortex. For
SBI, this is a vortex in theR-φ plane of the disk and for the ”horizontal convection” it is in theR-z plane of the disk. But whereas
the ”horizontal convection” operates on a background state that is already baroclinic and thus an amplification will happen for
arbitrarily small velocities, an SBI vortex needs a certain rotation velocity to generate a P (ρ) structure that can deliver work W
because of the delay of cooling and heating during the rotation, i.e. gas moving outward is warmer and thus lower in density than
the inward moving gas. For vanishing cooling times, P and ρ is symmetric with respect to inward or outward motion and no
work can be released W = 0. The optimal cooling time once again is given by the rotation frequency of the SBI vortices (Raettig
et al. 2013) very much like for the COS modes.

Baroclinic driven vortices (or eddies) on the other hand will thrive at the fastest cooling rates, because then the work integral
will remain positive even for the largest velocities. The faster the velocities of the eddies (in two or or three dimensions) will be,
the more energy can be released per unit time. In that sense, the eddies may be a robust feature in disks once it is triggered, yet it
remains to be seen if it occurs and plays a role in three-dimensional simulations of disks.

4. CONCLUSION

In Paper I, we studied the linear stability of vertically isothermal gas disks with a radial temperature gradient q for finite
thermal relaxation timescales τ . For q 6= 0 and τ < ∞, we always found linearly unstable solutions in our stability analysis. In
the present paper, the predicted growth rates could be confirmed in nonlinear simulations with reasonable agreement, considering
the dissipation inherent in our numerical scheme.

Protoplanetary disks around young stars possess some temperature gradient and a finite thermal relaxation, so they can adapt
their temperature to irradiation and possible internal processes. In light of our findings, this implies that there cannot be a stable
rotation profile or likewise stable density structure for these disks. The instabilities arise from the baroclinic structure of the disks,
which is responsible for vertical shear (aka thermal wind) and convectively unstable stratification in selected directions.
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The effect of baroclinic stratifications to generate vertical shear was already considered for GSF and VSI instabilities, albeit in
the regime of sufficiently small cooling times. We tested now the predictions for the growth of GSF modes for arbitrary cooling
times. The stability criterion of VSI and GSF are identical, yet GSF growth rates for long cooling times scale proportionally to
the square of the temperature gradient q2 and inversely with cooling time, whereas VSI and GSF for short cooling times scales
linearly with q, which we confirm in our numerical simulations.

In the long cooling time regime, there are always COS modes with growth rates at least smaller by a factor of two with respect
to GSF. In the midplane we observe that both modes grow simultaneously, with the GSF having a faster start but also earlier
saturation. In the long run, the COS takes over and eventually dominates the dynamics.

In the atmosphere, the COS modes are hardly visible in our simulations, and only by suppressing the GSF could we study the
evolution of COS modes, confirming their predicted growth rates for z = H .

For normal q = −0.5 we found GSF modes in the atmosphere, but the identification of COS modes was unsuccessful, for
which we blame the numerical dissipation. Yet, for an artificially boosted temperature gradient q = −4 counterbalanced by
an inverse density gradient p = +4.4 we could show that, even if the radial structure is convectively stable, there will be the
predicted diagonal / slanted convection modes.

We can thus confirm that the radial density gradient in the midplane of the disk has neither a direct influence on the growth
rates of GSF nor on those of COS. Specifically, the sign of the radial entropy gradient does not affect the onset of COS.

Besides the confirmation of the growth rates of unstable modes as derived in Paper I we also identified a new mode of instability.
Saturation in our local axisymmetric modes occurs when bands of constant angular momentum form. In these bands neither GSF
nor COS can operate, as there is no vertical shear and the epicyclic frequency vanishes. Also the stable direction of buoyancy
N2

+ ≈ N2
z dominates over the unstable direction N2

+ +N2
− > 0 and thus convection would be quenched into thin sheets and not

explain the circular eddies we find. Still we observe the formation and amplification of eddies in these bands that are all rotating
in the direction defined by the baroclinicity. As also discussed in (Melon Fuksman et al. A&A, submitted) it is the baroclinic term
that drives the eddies. The process is therefore described best as horizontal convection or ”Sea-breeze” effect (Holton & Hakim
2012). The stronger the baroclinic term is enforced via thermal relaxation, the more energy can be pumped into the system.
But these preliminary results are possibly restricted to our axisymmetric setup and thus it is an open question whether they also
exist in full three-dimensional simulations, or whether at least similar nonlinear flow features in three-dimensional simulations
can also tap into the baroclinic energy reservoir.

For the cases studied in this paper, i.e. vertically isothermal, Newtonian cooling with a fixed cooling time for all wave numbers,
no viscosity, and strict axisymmetry, we find that GSF always grows faster than the COS modes, but at least sometimes it saturates
earlier. A situation in which additional effects as for instance the sedimentation of dust leads to an additional stabilization of the
vertical stratification (Lin 2019) could create a situation in which COS may dominate over GSF modes, as already discussed in
Shibahashi (1980) and Tassoul (2000).

Three-dimensional simulations will be necessary to see if we can also reproduce the linear growth rates if axisymmetry is not
artificially constrained. We can expect that saturation will not occur when bands of constant angular momentum form as they
themselves are unstable to non-axisymmetric modes (Rayleigh criterion).

Then we will see if a similar baroclinic driving of turbulence as we see it in the present simulations does also occur in the
nonlinear state of fully three-dimensional turbulence similar to the SBI as reported in (Petersen et al. 2007a,b; Lyra & Klahr
2011; Raettig 2012), which were all either vertically integrated or vertically unstratified models and thus needed cooling times
on the order of the orbital period.

It will be interesting to measure how much the emerging three-dimensional turbulence can draw energy from the baroclinic
state of the disk even in the short cooling time regime.

With sufficient resolution, it will be possible to perform simulations in the regime of short cooling times τ < τc where VSI
and GSF will dominate, but also in the long cooling time regime τ > τc with COS and GSF of similar strength. A third regime
for very long cooling times (τ > 10Ω−1) may then show the transition from thermal instabilities to ZVI (Barranco et al. 2018).

Based on our numerical experiments we confirm that all disks around young stars are hydrodynamically unstable. Protoplane-
tary disks all have a temperature gradient for most of their radius, generated by stellar irradiation and thus are all baroclinic and
prone to GSF and COS. But the growth rates of GSF and COS and their interaction with other instabilities have to be considered
now. Ideal MRI would easily outgrow the hydrodynamic instabilities by far, as we showed for the case of SBI (Lyra & Klahr
2011) and studies investigating to what extent non-ideal MHD regime will allow for hydrodynamic instabilities of the VSI nature
have just been started recently (Latter & Kunz 2022). A full picture of MHD and pure HD effects in disks is an ambitious goal,
yet now we have the tools and know the necessary resolution, at least from the pure hydrodynamic perspective.
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Figure 17. Snapshot from Movie 1a at t = 100. Here we show radial and vertical velocity, together with the temperature deviation from the
background and the evolution of r.m.s. velocity as well as velocity maxima.
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APPENDIX

A. MOVIES

We produced a set of movies from our simulations, as we find it very insightful to ”see” how the instabilities develop. All
movies show four panels, yet the shown information can vary, depending on what we have to highlight.

The first panel shows the local relative deviation from the background temperature T ′ = T−T0

T0
(see Figure 17 and 18). The

range of the color scheme expands as the amplitude increases with time. The second plot represents either the radial velocity (see
Figure 17) or the mass flux in the R, θ plane (see Figure 18) , i.e. ρv′ ∝ ρ

√
v2R + v2z , scaled on the speed of sound c = h = 0.1

and density ρ0 = 1 in the midplane at R = 1, to emphasize the velocities in regions of higher density, especially the case where
there are many scale heights in the vertical direction. The lighter the blue, the higher the flow velocities. Thus the white streaks
follow the streamlines in the simulation, indicating the dominant directions for the gas flow velocities. The third plot shows either
the vertical velocity (see Figure 17) or the distribution of specific angular momentum j = ΩR2 (see Figure 18).

The fourth plot shows the evolution of the r.m.s. velocity (black) as well as the largest radial (red) and vertical velocities (blue),
in a region around the center of the simulation, which is radially and vertically half as wide as the respective simulation.

In total we present 4 Movies. Movies 1a and 1b are for the q = −1 and τ∗ = 1 cases, 2a for the upper layer and 2b for
the midplane as discussed in section 2.1. In Movie 1a, which correspond to Figures 7, 8 and 9, one can observe how initially
the typical vertical GSF modes are growing and after the saturation the formation of the eddies of constant angular momentum,
which are the sign for the non linear symmetric instabilty, tapping directly in the baroclinic state of the disk via the PdV term.
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Figure 18. Snapshot from Movie 1a at t = 712. Here we show the absolute velocity to highlight the formation of the eddies, together with the
specific angular momentum, the temperature deviation from the background and the evolution of r.m.s. velocity as well as velocity maximal

Table 2. Movies: All models use h = 0.1 and τ∗ = 1

Name coordinates dimensions parameters Description

Movie 1a spherical 0.5H < z < 1.5H q = −1; p = −1.5 GSF above midplane
Movie 1b spherical −0.5H < z < 0.5H q = −1; p = −1.5 GSF and COS in midplane
Movie 2 cylindrical 0.5H < z < 1.5H q = −1; p = −1.5 only COS modes above midplane
Movie 3 cylindrical −0.5H < z < 0.5H q = −4; p = +4.4 only COS in midplane

Movie 1b covers a simulation placed in the midplane. Here first GSF starts growing, then later COS takes over. This is the same
simulation shown in Figures 10 and 11

Movie 2 is a cylindrical version of the simulation shown in Movie 1a, but now in cylindrical coordinates and suppressing the
GSF as discussed in section 2.2, thus the same simulation as depicted in Figure 13. One can observe the amplification and vertical
drift of the COS modes that also go nonlinear, once the vertical shear in the radial oscillation alows for a parasitic version of the
GSF.

Movie 3, see section 2.3 for details, finally suppresses the GSF and is located around a radial stable stratified midplane with
q = −4 and p = 4.4. This movie shows the development of the diagonal convective modes, aka slanted convection.
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ABSTRACT

We investigate the environmental dependence of the gas-phase metallicity for galaxies at z = 0 to z &
2 and the underlying physical mechanisms driving this dependence using state-of-the-art cosmological

hydrodynamical simulations. We find that, at fixed stellar mass, central galaxies in massive halos

have lower gas-phase metallicity than those in low-mass halos. On the contrary, satellite galaxies

residing in more massive halos are more metal-rich. The combined effect is that massive galaxies are

more metal-poor in massive halos, and low-mass galaxies are more metal-rich in massive halos. By

inspecting the environmental dependence of other galaxy properties, we identify that the accretion

of low-metallicity gas is responsible for the environmental dependence of central galaxies at high z,

whereas the AGN feedback processes play a crucial role at low z. For satellite galaxies, we find

that both the suppression of gas accretion and the stripping of existing gas are responsible for their

environmental dependence, with negligible effect from the AGN feedback. Finally, we show that the

difference of gas-phase metallicity as a function of stellar mass between protocluster and field galaxies

agrees with recent observational results, for example from the MAMMOTH-Grism survey.

Keywords: method: statistical - galaxies: evolution - galaxies: formation - galaxies: halos - galaxies:

groups: general

1. INTRODUCTION

Gas-phase metallicity is an important probe of a va-
riety of astrophysical processes, like gas inflow, outflow,

and star formation activity, in galaxy formation and evo-

lution. In the past decades, several scaling relations for

the gas-phase metallicity have been established based on

the galaxy survey data from our local volume to high-z

Universe, like the mass-metallicity relation (MZR) (e.g.

Tremonti et al. 2004; Erb et al. 2006; Maiolino et al.

2020) and the fundamental metallicity relation (FMR)

(e.g. Ellison et al. 2008; Mannucci et al. 2010; Dayal

et al. 2013). Meanwhile, theoretical models and numeri-

cal simulations have provided us insights into the under-

lying physical processes that drive these scaling relations

(e.g. Bouché et al. 2010; Dayal et al. 2013; Lilly et al.

2013; Dekel & Mandelker 2014; Peng & Maiolino 2014a;

Kacprzak et al. 2016).

Galaxy evolution is not only affected by internal pro-

cesses, but also influenced by external interactions with

the surrounding environment (Baugh 2006; Mo et al.

2010). From this perspective, galaxies can be divided

into central ones, which live in the center of dark mat-

ter halos, and satellite ones, which are accreted by other

massive halo and move in the halo until they merge with

the central galaxy in the halo center (Wechsler & Tin-

ker 2018). Various astrophysical diagnostics are used

to probe the impact of the environment on galaxy evo-

lution, including the gas-phase metallicity. At low z,

Pasquali et al. (2012) found that satellite galaxies have

higher gas-phase metallicity than central ones with sim-

ilar stellar mass (see also Peng & Maiolino 2014b; Don-

nan et al. 2022). Similarly, Maier et al. (2019) found

that star-forming cluster galaxies have higher gas-phase

metallicity than star-forming field galaxies, even though

no difference in the star formation rate (SFR) is seen,
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indicating that gas-phase metallicity is more sensitive to

the environment than SFR.

However, there is still a large diversity for the environ-

mental dependence of the gas-phase metallicity at high

z. For example, Shimakawa et al. (2015) found that pro-

tocluster galaxies at z > 2 have higher gas-phase metal-

licity than those in the field by . 0.15 dex. Calabrò

et al. (2022) found that, at z ∼ 3, galaxies in over-dense

regions have lower gas-phase metallicity than those in

the field by ∼ 0.1 dex. Chartab et al. (2021) found that

galaxies in the field are more metal-rich than their coun-

terparts in over-dense regions at z ∼ 2.3, and the trend

reverses at z ∼ 1.5, where galaxies in over-dense regions

become more metal-rich. Recently, Wang et al. (2022a)

reported the result from the first measurement of the

mass-metallicity relation (MZR) at z ∼ 2.3 in one of the

MAMMOTH protocluster region via grism spectroscopy

(see Cai et al. 2016, 2017; Shi et al. 2021; Zheng et al.

2021; Zhang et al. 2022a). They found that massive

galaxies in protoclusters have lower gas-phase metallic-

ity than field galaxies, while, for low-mass galaxies, those

in protoclusters are more metal-rich.

On the theoretical side, current hydrodynamical sim-

ulations can provide some insight into the underlying

physics that drives the environmental dependence of gas-

phase metallicity (e.g Schaye et al. 2015; Pillepich et al.

2018a; Davé et al. 2019; Metha & Trenti 2023). Bahé

et al. (2017) studied the metallicity of satellite galax-

ies in the EAGLE simulation, where they found that

the metal enrichment of satellite galaxies is driven by

the suppression of low-metallicity gas inflow and the

stripping of low-metallicity gas from the galaxy outskirt.

Gupta et al. (2018) found that galaxies are chemically

enriched even when they have not been accreted into

clusters at z < 1.

In this paper, we use state-of-the-art hydrodynami-

cal simulations to investigate the environmental depen-

dence of gas-phase metallicity from z ∼ 2.3 to z = 0.

We will show how central and satellite galaxies play dif-

ferent roles, as well as how the gas inflow and outflow

processes regulate the gas-phase metallicity. Finally, we

will present the MZR difference in protoclusters and

the field, which agrees well with observational results

in Wang et al. (2022a).

In § 2, we introduce the simulation data used in this

paper. The main results are presented in § 3 and sum-

marized in § 4. Throughout this paper, we converted

all cosmology-dependent quantities to a concordance

ΛCDM cosmology with H0 = 100h km/s/Mpc, h = 0.7,

ΩΛ = 0.75, and Ωm = 0.25.

2. DATA

We are using the EAGLE hydrodynamical simulation

(Schaye et al. 2015; Crain et al. 2015; McAlpine et al.

2016; The EAGLE team 2017), which consists of a suite

of cosmological hydrodynamical simulations of different

box sizes, resolutions, and subgrid recipes. The analysis

in this paper is mainly based on the simulation labeled

with Ref-L100N1504. This specific simulation contains

15043 dark matter particles with each weighing 9.70 ×
106M� and 15043 baryonic particles with each weighing

1.81 × 106M� in a (100cMpc)3 cubic box.

Dark matter halos are identified by applying the

Friends-of-friends (FoF) method on all dark matter par-

ticles, and these halos are called main halos. Subhalos

are identified by applying the SUBFIND algorithm on all

types of particles (Springel et al. 2001). Then, for each

identified substructure, the baryonic part is defined as a

galaxy and the dark matter part is defined as a subhalo.

In each FoF halo, the subhalo with the lowest gravita-

tional potential is defined as the central subhalo and the

galaxy in it is defined as the central galaxy, while others

are satellite galaxies. The subhalo merger trees are built

with the SUBLINK algorithm (Rodriguez-Gomez et al.

2015).

The mass for each main halo is defined as the total

mass within a radius where the mean density enclosed

is 200 times the critical density. For each galaxy, the

stellar mass is defined as the total mass of star par-

ticles within 30 pkpc, and SFR is defined as the sum

of SFR for all star-forming gas particles within the

same aperture1. The specific SFR (SSFR) is defined

as SSFR = SFR/M∗. The inter-stellar medium (ISM)

mass for each galaxy is defined as the total gas mass

within the same aperture. The gas-phase metallicity is

quantified with the relative abundance of oxygen and

hydrogen, log(O/H), for all star-forming gas particles.

In this work, we only include star-forming galaxies with

non-zero SFR.

3. RESULTS

1 This stellar mass definition in the EAGLE simulation is recom-
mended by Schaye et al. (2015), where they emphasized that this
aperture constraint can give results close to the Petrosian aper-
tures that are often used for observation, which is used to tune the
parameters in subgrid recipes in the EAGLE simulation. They
also emphasized that this aperture effect is negligible for galax-
ies with M∗ < 1011M�, where Figure 9 in Schaye et al. (2015)
shows that the effective radius for galaxies with M∗ < 1011M� is
usually smaller than 10kpc. Meanwhile, we also found that our
main results do not change if we adopted a different stellar mass
definition, e.g. total stellar mass bound to the subhalo.
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Table 1. Statistics of galaxies in different stellar mass and halo mass bins at three redshift snapshots.

Stellar Mass z = 0.0 z = 1.0 z = 2.3

log M∗/M� N log p N log p N log p

Central

9.0 - 9.2 1171/0/0 -0.0/-/- 1633/0/0 -0.0/-/- 1409/1/0 0.0/-/-

9.2 - 9.4 1110/0/0 -0.0/-/- 1344/0/0 0.0/-/- 1021/0/0 0.0/-/-

9.4 - 9.6 1022/0/0 0.0/-/- 1072/3/0 0.0/-/- 765/3/0 0.0/-/-

9.6 - 9.8 761/2/0 0.0/-/- 855/7/0 0.0/-/- 527/14/0 -0.0/-5.9/-

9.8 - 10.0 637/8/0 0.0/-/- 701/37/0 -0.0/-8.2/- 386/42/0 -0.1/-4.7/-

10.0 - 10.2 513/56/0 -0.3/-8.7/- 485/128/0 -1.8/-11.6/- 298/138/0 -2.9/-8.7/-

10.2 - 10.4 284/216/0 -3.6/-5.3/- 256/288/1 -7.6/-6.3/- 96/179/0 -4.2/-1.7/-

10.4 - 10.6 46/334/2 -4.9/-0.1/- 29/362/0 -5.0/-0.0/- 5/189/0 -/-0.0/-

10.6 - 10.8 1/248/4 -/0.0/- 1/276/7 -/-0.0/- 1/73/2 -/0.0/-

10.8 - 11.0 0/156/29 -/-0.3/-4.6 0/102/24 -/-0.3/-3.8 0/37/5 -/-0.0/-

Satellite

9.0 - 9.2 194/266/87 -3.7/-0.8/-1.9 345/547/160 -14.8/-0.9/-18.7 231/336/13 -6.9/-3.3/-2.4

9.2 - 9.4 118/288/97 -4.5/-0.1/-2.3 192/436/186 -14.3/-0.3/-12.2 154/228/21 -2.8/-1.0/-1.0

9.4 - 9.6 89/261/118 -6.1/-0.0/-3.9 134/376/161 -7.9/-1.1/-13.4 73/173/11 -1.9/-0.2/-1.4

9.6 - 9.8 61/229/113 -6.5/-0.7/-5.5 80/302/128 -7.1/-0.8/-8.8 29/149/11 -0.6/-0.0/-0.4

9.8 - 10.0 27/172/126 -3.3/-1.6/-2.7 30/224/123 -3.3/-1.9/-6.9 14/105/7 -0.7/-0.0/-

10.0 - 10.2 13/153/111 -1.9/-4.6/-4.5 16/199/105 -1.2/-1.4/-3.8 7/76/12 -/-0.0/-1.1

10.2 - 10.4 4/97/97 -/-4.4/-2.7 5/148/91 -/-0.7/-1.9 0/50/7 -/-0.0/-

10.4 - 10.6 0/66/70 -/-3.4/-0.5 0/86/78 -/-1.4/-1.2 1/23/3 -/-0.0/-

10.6 - 10.8 0/27/45 -/-0.3/-0.0 0/28/65 -/-0.6/-0.0 0/4/3 -/-/-

10.8 - 11.0 0/2/31 -/-/-0.0 0/3/24 -/-/-0.0 0/3/0 -/-/-

Note— Each cell contains three numbers, which are for galaxies with the host halo mass of log(Mh/M�) ∈
[11, 12), [12, 13), [13, 14), respectively.

Note— N is the number of galaxies in each bin, and log p is the 10-based logarithm of the p value from the KS test
for the gas-phase metallicity residual between galaxies in each stellar mass bin and galaxies in each stellar mass and
halo mass bin. log p < −1.3 indicates that the probability that the two samples in question come from the same
distribution is smaller than 5%.

Note— The log p values for bins with less than 10 galaxies are omitted.

In this section, we first presented the MZR measure-

ments for simulated galaxies in the EAGLE simulation,

together with their environmental dependence, in § 3.1.

Then, we analyzed the physical origin of the environ-

mental dependence by studying the gas content, halo

mass, and black hole mass of these galaxies in § 3.2. Fi-

nally, we presented the MZR results at high z in proto-

cluster and field regions in § 3.3.

3.1. The environmental dependence of MZR

Figure 1 shows the gas-phase metallicity as a func-

tion of stellar mass for galaxies at z = 0, z = 1, and

z = 2.3 in the EAGLE simulation. The shaded re-

gions are for all galaxies with non-zero SFR, and the

results of central and satellite galaxies are presented in

magenta and cyan symbols, respectively. The fitting

results from Zahid et al. (2014) are also shown in red

curves. As one can see, also noted by Schaye et al.

(2015), the EAGLE simulation over-predicts the gas-

phase metallicity compared with observational results

at z ∼ 0, especially for low-mass halos. Schaye et al.

(2015) argued that observations tend to under-estimate

the gas-phase metallicity due to a non-negligible frac-

tion of metal condensed on dust grains (e.g. Dwek 1998;

Mattsson et al. 2014). Besides, gas-phase metallicity

starts to decline above 1010.5M� at z . 1 (see also Tor-

rey et al. 2019), which is not seen in observation. It is

noteworthy that De Rossi et al. (2017) found that AGN

feedback can effectively suppress the gas-phase metal-

licity for these massive galaxies. Currently, there is no

evidence showing that this discrepancy depends on envi-

ronment due to the lack of observational data at z ∼ 1.

The next-generation surveys, like MOONS (Maiolino

et al. 2020) and PFS (Takada et al. 2014), enable us
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Figure 1. Gas phase metallicity as a function of stellar mass derived from the EAGLE simulations at z = 0, z = 1, and
z = 2.3. The shaded regions show the results for all of the galaxies, while the magenta and cyan symbols show the results for
central and satellite galaxies, respectively. Error bars are estimated using the bootstrap method. The dashed, dash-dotted,
and dotted red lines are fitting functions to observational results from Zahid et al. (2014). Here one can see that the gas-phase
metallicity monotonically increases towards low z at fixed stellar mass. And the metallicity of satellite galaxies is higher than
central galaxies by ∼ 0.1 dex.

to study the environmental dependence of MZR (Wang

et al. 2020a, 2021) and compare them with simulations.

At fixed stellar mass, one can see that satellite galaxies

are more chemically enriched than central galaxies, con-

sistent with previous observational and theoretical re-

sults (e.g. Ellison et al. 2009; Davé et al. 2011; Pasquali

et al. 2012; Peng & Maiolino 2014b; Bahé et al. 2017).

Figure 2 shows the residual gas-phase metallicity with

respect to the median MZR in Figure 1 (shaded region)

for galaxies with different stellar mass and host halo

mass. At low-mass end, galaxies in massive halos are

more metal-rich than those in low-mass halos, and the

trend is reversed for massive galaxies, where those in

massive halos are more metal-poor. Figure 8 presents

the results obtained in finer halo mass bins with a bin

width of 0.3 dex, where one can still see a similar trend

as in Figure 2, showing that our results are not biased
by the halo mass bin width adopted.

Table 1 presents the number of galaxies in each stellar

mass and halo mass bin at three redshift snapshots for

centrals and satellites, respectively. For galaxies in each

stellar mass bin, we also perform Kolmogorov–Smirnov

tests between those in different halo mass bins and all

galaxies in the whole host halo mass range, and the loga-

rithmic p values are presented in Table 1. We note that a

log p value smaller than -1.3 means that the probability

that two samples in question come from the same dis-

tribution is smaller than 5%, indicating that the differ-

ence between these two samples are statistically signifi-

cant. For example, for central galaxies with 1010M� ≤
M∗ < 1010.2M� at z = 2.3, we have log p values of -2.9

and -8.7 for those with 1011M� ≤ Mh < 1012M� and

1012M� ≤ Mh < 1013M�, respectively, indicating that

the dependence of the gas-phase metallicity on host halo

mass for these central galaxies is not due to statistical

fluctuation. Results in Table 1 confirms that the halo

mass dependence shown in Figure 2 is statistically sig-

nificant. For clarity, we plot those points with p ≤ 0.05

using filled symbols and those with p > 0.05 using open

symbols in Figure 2.

To understand the environmental dependence of gas-

phase metallicity for galaxies with different stellar mass,

we present the gas-phase metallicity residuals for cen-

tral and satellite galaxies separately on the middle and

bottom panels of Figure 2. For central galaxies, those

in massive halos are more metal-rich than their counter-

parts in low-mass halos. On the contrary, satellite galax-

ies in more massive halos are more metal-rich than those

in low-mass halos. Combined with that the satellite

fraction monotonically decreases with increasing stellar

mass (e.g. Zheng et al. 2005; Yang et al. 2008), the en-

vironmental dependence of gas-phase metallicity shown

on top panels can be explained by the relative abun-

dance of central and satellite galaxies at different stellar

mass bins, where central galaxies dominate the massive

end and satellite galaxies dominate the low-mass end.

It is noteworthy that the IllustrisTNG simulation can

also produce similar environmental dependence of gas-

phase metallicity for central and satellite galaxies, as

shown in Appendix B and Figure 9, despite the differ-

ence in their subgrid recipes.

3.2. Physical causes of the environmental dependence

of MZR

The gas-phase metallicity is regulated by a variety of

processes (see e.g. Finlator & Davé 2008; Lilly et al.

2013; Pipino et al. 2014; Dekel & Mandelker 2014; Feld-

mann 2015; Maiolino & Mannucci 2019; Lin & Zu 2023),
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Figure 2. The median gas phase metallicity as a function of stellar mass for galaxies with different halo mass at z = 0, z = 1,
and z = 2.3. The number of galaxies in each bin is presented in Table 1. For clarity, we show the metallicity offset with respect
to the average MZR in Figure 1. The top panels show the results for all of the galaxies in three halo mass bins, while the middle
and bottom panels show the results for central and satellite galaxies separately. Error bars show the standard deviation of the
bootstrap sample. In each stellar mass bin, the difference in the gas-phase metallicity residual distribution for galaxies in each
halo mass bin and those without halo constraint is quantified by a p value from the KS test, as give in Table 1. Here we plot
those points with p ≤ 0.05 using filled symbols and those with p > 0.05 using open symbols. Our results show that, with stellar
mass fixed, central galaxies in massive halos are more metal-poor than those in less-massive halos, and the trend is reversed for
satellite galaxies, where satellites in more massive halos are more metal-rich.

which can be grouped into three categories. The first

one is star formation. This process consumes cold gas to

form new stars, which can reduce the cold gas amount.

Moreover, the stellar wind and the supernovae feedback

can enrich the gas-phase metal content by returning

metal into the ISM. The overall effect of the star for-

mation activity is to enrich the metal content in ISM.

The second one is gas inflow processes through ei-

ther gas accretion or galaxy merger. The impact on

the global gas-phase metallicity depends on the rela-

tive metallicity of the accreted gas and the existing

ISM. Previous studies found that usually accreted gas

is more chemically pristine than the ISM (e.g. Wright

et al. 2021), so that the gas inflow can dilute the ISM

content and reduce the gas-phase metallicity (Ceverino

et al. 2016).

The last one is gas outflow driven by various processes

(e.g. Finlator & Davé 2008; Bouché et al. 2007; Davé

et al. 2011; Feldmann 2015; Trussler et al. 2020). First

of all, gas outflows can reduce the ISM amount so that

the gas-phase metallicity becomes easier to be altered

by other processes. Then, some outflow processes prefer

to eject gas whose metallicity deviates from the glob-

ally averaged value so that the global metallicity can

be increased or decreased, depending on the sign of the

deviation. For example, the AGN feedback process pre-

fer to accelerate/heat gas in the galaxy center so that

these gas are preferentially ejected. On the contrary, the
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ram-pressure stripping effect prefers to affect gas on the

galaxy outskirt. If the galaxy of interest exhibit a non-

zero metallicity gradient (e.g. Wang et al. 2017, 2019,

2020b; Collacchioni et al. 2020; Hemler et al. 2021; Tis-

sera et al. 2022; Wang et al. 2022b; Li et al. 2022b), the

above two outflow processes can also change the global

metallicity (van Loon et al. 2021). It is noteworthy that

the differential wind assumption, where metals are more

efficiently ejected than other elements through outflow,

is adopted by many analytical models to explain ob-

servational results (e.g. Recchi et al. 2008; Dayal et al.

2013).

Next, we will explore the physical causes for the en-

vironmental dependence of gas-phase metallicity from

these three aspects for central and satellite galaxies, sep-

arately.

3.2.1. Central galaxies

Figure 2 shows that, at z ∼ 2.3, central galaxies in

massive halos are more metal-poor than those in low-

massive halos. The gas-phase metallicity difference is

about 0.1 dex for central galaxies in ∼ 1011.5M� and

∼ 1012.5M� halos. Figure 3 shows the difference of

other properties as a function of stellar mass for central

galaxies in different halo mass bins, where one can see

that central galaxies in massive halos have more abun-

dant ISM content, which can dilute the metallicity if the

excess fraction of ISM is metal-poor. Actually, Mitchell

et al. (2020) studied the gas accretion onto central galax-

ies in the EAGLE simulation, where they found that the

gas accretion rate onto central galaxies at z ∼ 2 is al-

most proportional to their host halo mass, and & 50% of

these accreted gas is pristine (see also Kereš et al. 2005;

Dekel et al. 2009; Kereš et al. 2009; Zhang et al. 2023).

Consequently, at given stellar mass, central galaxies liv-

ing in massive halos can obtain more low-metallicity gas

through accretion, which can effectively dilute the gas-

phase metallicity of these galaxies. Besides, Figure 3

also shows that central galaxies in more massive halos

are more actively forming new stars than those in low-

mass halos, which is expected from FMR (e.g. Ellison

et al. 2008; Mannucci et al. 2010). Even though the

excess star formation activities can chemically enrich

the ISM, it still cannot compensate the dilution effect

brought by the gas inflow. Finally, we find that mas-

sive halos prefer to host more massive black holes than

those low-mass halos by ∼ 0.1 dex. In order to figure

out whether central super-massive black holes and their

feedback effects play a role here, we compare the envi-

ronmental dependence for simulations with and without

AGN feedback in Figure 11, where one can see that the

dependence of MZR on halo mass is still present when

the AGN feedback is disabled (dashed lines) at z ∼ 2.3.

This indicates that AGN feedback effects only play a

minor role here.

Figure 2 shows that central galaxies in massive ha-

los at z = 0 have lower gas-phase metallicity than their

counterparts in low-mass halos by 0.1-0.2 dex. However,

as shown in Figure 3, there is nearly no difference in their

ISM content, so the dilution effect discussed above does

not apply here. Neither do we see any obvious difference

in their SSFR. Finally, there is a strong dependence of

black hole mass on the host halo mass, where central

galaxies in massive halos prefer to harbor more massive

black holes than their counterparts in low-mass halos.

In the EAGLE simulation, due to the simple one-mode

AGN feedback recipe adopted, the feedback energy is

proportional to the mass of black holes, so that central

galaxies in massive halos, which possess more massive

black holes, are able to trigger more powerful AGN feed-

back and expel more gas out of the halo. This scenario

is supported by Mitchell et al. (2020), where they found

that the AGN feedback is responsible for the majority

of gas outflow on both galaxy and halo scales for halos

with Mh ≥ 1012M�. The impact of gas outflow induced

by AGN feedback on the metallicity of central galaxies is

two-fold. First, the EAGLE simulation predict negative

gradients in the spatial distribution of gas-phase metal-

licity for central galaxies (see Bahé et al. 2017; Tissera

et al. 2019, 2022), and the AGN feedback preferentially

heat the gas in the galaxy center, so that the AGN feed-

back process is able to expel these metal-rich gas in the

galaxy center and decrease the global metallicity. Sec-

ond, since we did not see any difference in the ISM con-

tent for central galaxies in different mass of halos, the

ISM deficiency caused by AGN feedback is compensated

by the accretion of gas, which is more metal-poor than

the existing gas in the galaxy and can effectively dilute

the metal content in the ISM.

Yang et al. (2022) studied the relation between the

gas-phase metallicity and the halo mass for central

galaxies at fixed stellar mass using clustering strength to

indicate halo mass. For massive galaxies above 1010M�,

they detect no clustering difference due to poor statis-

tics, while both EAGLE and IllustrisTNG predict more

massive halos prefer to host metal-poor central galaxies

at fixed stellar mass. More observational data is re-

quired to test the prediction of these hydrodynamical

simulations.

At z = 1, one can simultaneously see the excess of the

ISM content and more massive black holes for central

galaxies in massive halos, showing that both the accre-

tion of low-metallicity gas and the AGN feedback play

a role in reducing their global metallicity.
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Figure 3. Properties of central galaxies as a function of stellar mass in three halo mass bins at z = 0, z = 1, and z = 2.3 from
the EAGLE simulation (Top panels: The median ISM mass to stellar mass ratio; Middle panels: The median specific star
formation rate; Bottom panels: The median black hole mass). All three properties are presented as the residual with respect
to the median value in each stellar mass bin for clear demonstration. Error bars are calculated using the bootstrap method.
The difference between filled and open symbols are similar to Figure 2, except here the p-values are calculated for the residual
ISM mass fraction, SSFR, and black hole mass. At high z, central galaxies in more massive halo possess more ISM, while, at
low z, central galaxies in more massive halo harbor more massive black holes.

In Appendix C and Figure 11, we present the gas-

phase metallicity difference of central galaxies with dif-

ferent halo mass in a simulation where the AGN feed-

back is disabled. Compared with the reference simu-

lation, the no-AGN case exhibits less environmental de-

pendence of the gas phase metallicity for central galaxies

at z = 0, while the dependence at high z is unchanged.

This result indicates that AGN feedback does play a

role in amplifying the MZR difference for central galax-

ies with different halo mass at low z. And its impact

becomes negligible at high z.

3.2.2. Satellite galaxies

Compared with central galaxies, satellite galaxies are

also subject to various environmental effects. First of

all, when a galaxy falls into other massive halos and be-

comes a satellite galaxy, its accretion of dark matter and

baryons is reduced, or even terminated (e.g. Behroozi

et al. 2014), and its ambient gas, i.e. the circum-galactic

medium (CGM), can be stripped, so that its ISM re-

plenishment is blocked. Without the dilution from the

accreting gas, the gas-phase metallicity increases persis-

tently during the star-forming phase, until the cold gas

content is consumed and the galaxy is quenched. This

effect is called strangulation (e.g. Larson et al. 1980;

Peng et al. 2015). In addition, satellite galaxies also

suffer from the ram-pressure stripping effect which can

strip the ISM content out of these satellite galaxies when

they are moving in the hot intra-group/cluster medium

of host halos (e.g. Gunn & Gott 1972; Vulcani et al.

2010, 2016; Poggianti et al. 2017). This effect preferen-

tially affect the gas on the outskirt of satellite galaxies
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Figure 4. Similar to Figure 3, except for satellite galaxies. Satellite galaxies in more massive halos have less ISM due to
strangulation and stripping, and consequently, their SSFR is decreased. Meanwhile, there is no halo mass dependence of black
hole mass for satellite galaxies.

since it is relatively loosely bound compared with those

in the galaxy center (e.g. Boselli et al. 2022). Bahé et al.

(2017) studied the environmental dependence of the gas-

phase metallicity for satellite galaxies at z = 0 in the

EAGLE simulation, and they identified that both the

stripping of low-metallicity gas on the satellite outskirt

and the lack of low-metallicity gas replenishment into

the galaxy center through accretion are the key drivers

of the metallicity enhancement in satellite galaxies.

Figure 2 shows that satellite galaxies in massive ha-

los are more metal-rich than those in low-mass halos by

. 0.2 dex, indicating that those environmental effects

are already operating on satellite galaxies from z ∼ 2.3.

Figure 4 shows the ISM content, SSFR and black hole

mass for satellite galaxies as a function of stellar mass

in different mass of host halos. The ISM content is

mostly stripped for satellite galaxies in massive halos,

and SSFR is also reduced. These results are consistent

with the two drivers identified in Bahé et al. (2017),

which can reduce the ISM content and diminish SSFR

simultaneously. Finally, the black hole mass for satellite

galaxies has no dependence on the host halo mass when

the stellar mass is fixed, as shown in the bottom panels

of Figure 4, indicating that AGN feedback is not impor-

tant in setting the environmental dependence of MZR

for satellite galaxies.

3.3. MZR in high-z protoclusters

Wang et al. (2022a) found that massive galaxies in

protocluster region are more metal-poor than those in

the field region. And the trend is reversed for low-mass

galaxies, where those in protoclusters are more metal-

rich. Here we want to see whether the EAGLE simula-

tion can produce similar results. To this end, we trace

each galaxy at z ∼ 2.3 to z = 0 and define the host

halo mass there as the descendant halo mass, which is

denoted as M0. Then, we can study the dependence of

gas-phase metallicity on M0.
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Figure 5. The residual MZR for galaxies at z ∼ 2.3 with descendant halo mass, i.e. log(M0/M�), in bins of [11, 12), [12, 13),
and [13, 15), and they are shown in blue, green, and red colors, respectively. The difference between filled and open symbols are
similar to Figure 2, except here we are binning in descendant halo mass instead of halo mass. Central galaxies in protoclusters
(high M0) have lower metallicity and dominate the high-M∗ end, while satellite galaxies in protoclusters have higher metallicity
and dominate the low-M∗ end.

Figure 5 shows the gas-phase metallicity as a function

of stellar mass for galaxies at z ∼ 2.3 in different de-

scendant halo mass bins. As one can see here, EAGLE

predicts a similar environmental dependence of MZR to

the result reported in Wang et al. (2022a), where mas-

sive galaxies are more metal-rich in the field (low M0)

and low-mass galaxies are more metal-rich in protoclus-

ters (high M0). By separating the contribution from

central and satellite galaxies, one can see that central

galaxies with high M0 are more metal-poor, which dom-

inates the massive end, while satellite galaxies with high

M0 are more metal-rich, which dominates the low-mass

end.

Figure 6 shows that central galaxies end up in massive

halos (high M0) prefer to live in massive halos at high

z and possess more abundant ISM. This is consistent

with the picture presented in § 3.2.1, where galaxies in

more massive halos can accumulate more abundant gas

through cold-mode accretion which can effectively dilute

the gas-phase metallicity.

Figure 7 shows that satellite galaxies end up in mas-

sive halos (high M0) prefer to be satellite galaxies of

massive halos at high z, and, consequently, their ISM is

reduced more by various environmental effects. These

results are consistent with our analysis in § 3.2.2.

4. SUMMARY

Gas-phase metallicity is an important probe for a va-

riety of astrophysical processes in galaxy formation and

evolution. Here we use the state-of-the-art hydrodynam-

ical simulations to investigate the environmental depen-

dence of gas-phase metallicity for central and satellite

galaxies separately, as well as their physical origins. Our

main results are summarized as follows.

1. From z ∼ 0 to z ∼ 2.3, massive galaxies in low-

mass halos are more metal-rich than their counter-

parts in massive halos. For low-mass galaxies, the

trend reverses, where those in more massive ha-

los are more metal-rich. By separating the contri-

bution from central and satellite galaxies, we find

that the environmental dependence at the massive

end is dominated by central galaxies, while satel-

lite galaxies dominate the trend at the low-mass

end (see Figure 2 and Figure 9).

2. We found that, at high z, central galaxies in mas-

sive halos tend to have more ISM than those in

low-mass ones with stellar mass fixed. The differ-

ence in the ISM fraction is presumably responsi-

ble for the halo mass dependence of central galaxy

metallicity. At low z, the AGN feedback process

also helps to decrease the metallicity of central

galaxies in massive halos by ejecting metal-rich gas

(see Figure 3 and Figure 11).

3. For satellite galaxies, the strangulation effect and

the striping of ISM is responsible for the metallic-

ity difference in satellite galaxies in different host

halo mass bins, which is consistent with previ-

ous studies. Moreover, we did not see any differ-

ence in their black hole mass, indicating that the

AGN feedback effect is not important here (see

Figure 4).

4. We also studied the dependence of gas-phase

metallicity for high-z galaxies on their descendant

halo mass, M0. We found that massive galaxies in

protoclusters (high M0) are more metal-poor than

those in the field (low M0). And low-mass galaxies

exhibit a reversed trend, where those in protoclus-
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Figure 6. The residual ISM mass fraction (upper panel)
and host halo mass (lower panel) for central galaxies at
z ∼ 2.3 with descendant halo mass, i.e. log(M0/M�), in bins
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green, and red colors, respectively. The difference between
filled and open symbols are similar to Figure 3, except here
we are binning in descendant halo mass instead of halo mass.
Central galaxies in protoclusters (high M0) tend to live in
more massive halos and possess more abundant ISM than
those in the field (low M0).

ters are more metal-rich. This result qualitatively

agrees with the observational results in Wang et al.

(2022a) (see Figure 5 and Figure 10).

5. The M0-dependence of gas-phase metallicity for

high-z galaxies is a combined effect of central and

satellite galaxies. The massive and low-mass ends

are dominated by central and satellite galaxies, re-

spectively. Meanwhile, central galaxies in proto-

clusters prefer to live in more massive halos and

possess more ISM than their counterparts in the

field. Satellite galaxies in protoclusters prefer to

live in more massive halos so that they suffer more

from environmental effects (see Figure 6 and Fig-

ure 7).
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Figure 7. Similar to Figure 6, except for satellite galaxies.
Satellite galaxies in protoclusters (high M0) prefer to live in
more massive halos and have lower ISM content than those
in the field (low M0).

In this work, we investigated the environmental de-

pendence of gas-phase metallicity on the host halo mass

for central and satellite galaxies using the hydrodynam-

ical simulations of EAGLE and IllustrisTNG. We also
found that the environmental dependence of gas-phase

metallicity at high z can be qualitatively explain by both

simulations.

Both simulations also predict that the scatter in the

stellar mass-halo mass relation correlates with the gas-

phase metallicity, in the sense that galaxies in more

massive halos are more metal-poor (see Wang et al.

2023; Cui et al. 2021; Zhang et al. 2022b, for corre-

lation with other galaxy properties). This prediction

can be tested in our local Universe and high z using

the galaxy group catalog (Yang et al. 2008; Wang et al.

2020a; Yang et al. 2021; Li et al. 2022a). Besides, the

observational measurements of the gas-phase metallicity

difference between protocluster and field galaxies can be

further improved with the coming high-z spectroscopic
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galaxy surveys (Takada et al. 2014; Maiolino et al. 2020;

Wang et al. 2021).

Finally, it is noteworthy that the currently avail-

able sample of metallicity measurements in over-dense

regions still suffers from the small number statistics

which precludes a more quantitative comparison with

our theoretical investigation presented here. With more

observational results to be obtained from the ongo-

ing MAMMOTH-Grism survey (HST-GO-16276, P. I.

Wang), we can derive a more robust scaling relation of

metallicity offset versus overdensity, in order to compare

with our theoretical models in a more meaningful way.
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Figure 8. Similar to Figure 2, except with a halo mass bin width of 0.3 dex.

APPENDIX

A. THE ENVIRONMENTAL DEPENDENCE OF MZR IN FINER HALO MASS BINS

Figure 8 shows the residual MZR in different halo mass bins at three redshift snapshots for total, central, and satellite

galaxies, respectively. Here we adopted finer halo mass bins with a width of 0.3 dex, where one can still see the trends

shown in Figure 2.

B. THE ENVIRONMENTAL DEPENDENCE OF MZR IN ILLUSTRISTNG

Here we use the TNG100 cosmological megneto-hydrodynamical simulation of the Illustris TNG project (Weinberger

et al. 2017; Pillepich et al. 2018a,b; Marinacci et al. 2018; Nelson et al. 2018; Springel et al. 2018; Naiman et al. 2018).

It simulates galaxy formation and evolution in a box with a side length of 100cMpc with 18203 dark matter particles

and 18203 baryonic particles. Each dark matter particle weighs ∼ 7.5 × 106M� and each baryonic particle weighs

∼ 1.4 × 106M�.

Dark matter halos are identified with the FoF algorithm Subhalos and galaxies are identified with the SUBFIND

algorithm. In each FoF halo, the subhalo with the lowest gravitational potential is defined as the central subhalo and

the galaxy in it is defined as the central galaxy, while others are satellite galaxies.
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Figure 9. Similar to Figure 2, except for the TNG100 simulation.
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Stellar mass is defined as the total mass of star particles within twice the half stellar mass radius, R∗, where R∗ is

the radius that enclosed half of the stellar mass in each subhalo. The gas phase metallicity is defined as the abundance

ratio between oxygen and hydrogen for all gas particles within 2R∗.

The top panels in Figure 9 show the gas phase metallicity difference for galaxies with different host halos, while the

middle and bottom panels show the results for central and satellite galaxies separately. Central galaxies in massive
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Figure 11. Similar to Figure 2, except for central galaxies. The boxes and solid lines are for the reference EAGLE simulation,
which is labeled as Ref-L100N1504. The circles and dashed lines are for the simulation without AGN feedback, which is labelled
as NoAGN-L005N0752.

halos are more metal-poor than those in low-mass halos. On the contrary, satellite galaxies in massive halos are

more metal-rich than those in low-mass ones. Despite different subgrid recipes adopted in TNG and EAGLE, the

environmental dependence of the gas phase metallicity agree with each other quite well.

Finally, Figure 10 shows the gas-phase metallicity as a function of stellar mass for galaxies with different descendant

halo mass, M0. Again, these results agree with those obtained in the EAGLE simulation quite well.

C. MZR FOR CENTRAL GALAXIES WITHOUT AGN FEEDBACK

Figure 11 shows the MZR difference of central galaxies in halos with different mass for the reference EAGLE

simulation and the one with AGN feedback disabled. Here one can see that the gas phase metallicity difference for

central galaxies in different mass of halos is reduced when the AGN feedback is disabled, especially for massive galaxies

at low z. Meanwhile, the MZR difference at high z is not affected.
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ABSTRACT

Tidal disruption events are common in the Universe, which may occur in various compact star systems and could
account for many astrophysical phenomena. Depending on the separation between the central compact star and its
companion, either a full disruption or a partial disruption may occur. The partial disruption of a rocky planet around
a neutron star can produce kilometer-sized clumps, but the main portion of the planet can survive. The dynamical
evolution of these clumps is still poorly understood. In this study, the characteristics of partial disruption of a rocky
planet in a highly elliptical orbit around a neutron star is investigated. The periastron of the planet is assumed to
be very close to the neutron star so that it would be partially disrupted by tidal force every time it passes through
the periastron. It is found that the fragments generated in the process will change their orbits on a time scale of a
few orbital periods due to the combined influence of the neutron star and the remnant planet, and will finally collide
with the central neutron star. Possible outcomes of the collisions are discussed.

Key words: planet-star interactions – stars: neutron – transients: tidal disruption events – minor planets, asteroids:
general – planets and satellites: dynamical evolution and stability.

1 INTRODUCTION

Tidal disruption happens when an object gets too close to
its compact host. Tidal disruption associated with black
holes (BHs) has been extensively studied (see Guillochon
& Ramirez-Ruiz (2013), Ryu et al. (2020), Gezari (2021)
Mageshwaran & Mangalam (2021), Rossi et al. (2021) and
references therein). For the disruption of planetary objects,
pioneer works have been done by Faber et al. (2005), Guillo-
chon et al. (2011), and Liu et al. (2013) on gas giants. Espe-
cially, Faber et al. (2005) and Liu et al. (2013) simulated the
single tidal encounter of a close gas giant, whereas the cases of
multiple passage encounters were studied in Guillochon et al.
(2011) and Veras et al. (2014).
Tidal disruption of minor-planets/asteroids around white

dwarfs (WDs) has been extensively studied (Vanderburg
et al. 2015; Granvik et al. 2016). Recent simulations (Mala-
mud & Perets 2020a,b) show that a planet in a highly eccen-
tric orbit around a WD could be disrupted by tidal force, and
materials in the inner side of the orbit would be accreted by

? E-mail: akurban@xao.ac.cn
† E-mail: zhouxia@xao.ac.cn

the WD. The material accreted by the WD may be responsi-
ble for the pollution of the WD atmosphere by heavy elements
(Vanderburg et al. 2015; Malamud & Perets 2020a,b). Simi-
lar processes can also occur in neutron star-planet systems if
the initial parameters of the planetary system fulfill the tidal
disruption condition (Geng et al. 2015; Huang & Yu 2017;
Kuerban et al. 2019, 2020; Kurban et al. 2022).
Depending on the relative separation between the compact

star and the companion object, the degree of disruption could
be very different. Either a full disruption or a partial disrup-
tion may occur. In full disruption, the companion is com-
pletely destroyed. In this case, the time for the debris ma-
terial to be completely accreted by the compact star could
be very long especially when no additional forces connected
to sublimation or radiation are involved (Veras et al. 2014).
In the case of a partial disruption, part of the material is
stripped off from the orbiting object. For example, the par-
tial disruption of a rocky planet can produce kilometer-sized
clumps, but the main portion of the planet can still survive
(Malamud & Perets 2020a). The fate of clumps is then af-
fected by the combined action of the surviving planet and
the compact star, the studying of which is still lacking in the
literature.

© 2023 The Authors
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Most of the previous studies mainly focus on the tidal dis-
ruption of an object in a parabolic or elliptic orbit. Forma-
tion of such an orbit is considered to be the results of var-
ious dynamical processes such as tidal capturing (Goulinski
& Ribak 2018; Kremer et al. 2019), Kozai-Lidov effect (Lidov
1962; Kozai 1962; Naoz 2016; Shevchenko 2017), or scatter-
ing (Hong et al. 2018; Carrera et al. 2019). The planet may
have multiple close encounters with the central star in a tidal
capturing process. In the Kozai-Lidov effect, the planet can
move close to its central star and multiple encounters could
occur naturally due to eccentricity oscillation. The close ap-
proach is gradual in this process, and partial disruption may
occur. In addition, the probability of partial disruption is usu-
ally higher than that of full disruption (Zhong et al. 2022).
The investigation of the dynamic behavior of the clumps pro-
duced in a partial disruption is important, which could help
understand various astrophysical phenomena such as electro-
magnetic transient events and the pollution of the WD at-
mosphere by heavy elements.
The Kozai-Lidov mechanism (Lidov 1962; Kozai 1962) is an

efficient theory to model gravitational interactions in multi-
body systems. The interaction in such systems is complicated,
and the evolution could be rapid, although no dissipation is
involved. Merger events could be triggered and various bursts
or transients may be produced in these multi-body systems
(Naoz 2016; Shevchenko 2017).
In standard Kozai-Lidov theory (Lidov 1962; Kozai 1962),

the angular momentum of the test particle is conserved when
a circular orbit is assumed for the outer perturber, causing
periodic variation of the test particle’s eccentricity and incli-
nation. However, the angular momentum for both inner and
outer orbits are not conserved when the perturber’s orbit is
eccentric, which leads to very different behaviors of the test
particle (Lithwick & Naoz 2011; Li et al. 2014a; Naoz et al.
2017).
In a three-body system, the orbit parameters significantly

influence the dynamic outcome. The hierarchy of such a sys-
tem is mainly determined by the parameter ε = a1e2/[a2(1−
e22)] (the coefficient of the octupole-order secular interaction
term), or by the factor a2(1− e2)/a1, both of which param-
eterize the size of the external orbit as compared to the in-
ner binary orbit. Note that e is the eccentricity and a is the
semi-major axis of the inner and outer orbits, denoted by sub-
scripts 1 and 2 respectively. A system with ε < 0.1 is hierar-
chical and stable. It is mildly hierarchical when 0.1 < ε < 0.3,
and is non-hierarchial when ε > 0.3 (Naoz 2016). Equiva-
lently, when the factor of a2(1−e2)/a1 is concerned, a system
with a2(1− e2)/a1 > 10 is hierarchical. It is moderately hier-
archical when a2(1−e2)/a1 = 3—10, and it is non-hierarchial
when a2(1 − e2)/a1 < 3 (e.g. Antonini & Perets 2012; Katz
& Dong 2012; Antonini et al. 2014; He & Petrovich 2018).
It has been shown that the orbit-averaging method (includ-
ing quadrupole and octupole terms) is broken down in non-
hierarchial, dynamically unstable systems, and this leads to
an underestimation of the maximum eccentricity (Antonini
& Perets 2012; Katz & Dong 2012; Antonini et al. 2014; He
& Petrovich 2018; Grishin et al. 2018; Bhaskar et al. 2021).
It was also found that a system with a2(1− e2)/a1 < 10 fol-
lows a complex dynamical evolution pattern that can lead to
a very large eccentricity and secular approximations can not
accurately describe the evolution features.
The hierarchical triple systems in test particle limit have

been studied for different scientific cases (Lithwick & Naoz
2011; Katz et al. 2011; Naoz et al. 2013; Li et al. 2014a,b;
Li & Adams 2016; Li et al. 2018). For a system with nearly
coplanar (the inclination i ∼ 0) and highly eccentric (for
both inner and outer orbits) configuration, Li et al. (2014a)
found that the eccentricity of the inner test particle increases
steadily due to the perturbation (this effect is significant
for tight configurations). Recently, Grishin et al. (2018) and
Bhaskar et al. (2021) studied the dynamic evolution of highly
inclined, mildly hierarchical systems and found that the orbit-
average method can describe the evolution of the inner orbit
well when e2 = 0. But Bhaskar et al. (2021) found that the
orbit-average method is not accurate enough for systems with
a1/a2 > 0.3 and m2/M < 6 × 10−3 (here M is the central
star mass), and the accuracy is worsening with the increase
of a1/a2 (i.e. for a tighter configuration) and the decrease of
m2/M . Thus the value of a2(1− e2)/a1 can effectively reflect
the stability of the system. If the configuration of the system
does not satisfy the stability condition (Mardling & Aarseth
2001; He & Petrovich 2018) or the secular approximation
of the Kozai-Lidov mechanism is broken-down (Antonini &
Perets 2012; Antonini et al. 2014, 2016), the orbit of the test
particle will evolve even faster, essentially causing a collision
or ejection.
The goal of this study is to investigate the dynamical evo-

lution of the clumps produced during the partial disruption
of a rocky planet that moves around a neutron star (NS) in a
highly elliptical orbit. The motion of these clumps is affected
by both the NS and the planet’s surviving core, making the
system an ideal case for the Kozai-Lidov mechanism. The
structure of our paper is as follows. In Section 2, the struc-
ture of the planet is described, which is an important factor
that affects the dynamics of the clumps. The tidal disruption
process is introduced in Section 3, paying special attention
on the effects of various parameters. Section 4 presents the
distributions of orbital parameters for the clumps. The dy-
namics of the clumps are detailedly investigated in Section
5, and possible factors that can affect the dynamics are then
described in Section 6. Finally, Section 7 presents our con-
clusions and some brief discussion.

2 THE STRUCTURE OF PLANET

Up to now, more than 5000 exoplanets have been detected.
Their measured parameters (mass, radius) indicate that their
composition should be different from each other. Various
equations of states (EOSs) are proposed for exoplanets (Benz
& Asphaug 1999; Seager et al. 2007; Swift et al. 2012; Howe
et al. 2014; Smith et al. 2018; Otegi et al. 2020). In this study,
we mainly focus on rocky planets which orbit around neutron
stars. Three types of planets will be considered, i.e. pure iron
(Fe) planets, pure perovskite (MgSiO3) planets, and the two-
layer planets composed of a Fe core and a MgSiO3 mantle.
For Fe materials, we use the EOS derived based on exper-
imental data, as described in Smith et al. (2018), which is
expressed as

PSM = 3K0x
−2 (1− x) exp

[(
1.5K′0 − 1.5

)
(1− x)

]
, (1)

where x = (ρ0/ρ)1/3, ρ0 = 8.43 g cm−3 (the density at zero
pressure),K0 = 177.7 GPa andK′0 = 5.64. For MgSiO3 mate-
rials, we take the third-order finite strain Birch-Murnagham

MNRAS 000, 1–11 (2023)
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Figure 1. ρ vs. R for two-layer rocky planets with different Fe
core mass fraction fFe. The EOS of Smith et al. (2018) is used for
the Fe core and the EOS of Seager et al. (2007) is used for the
MgSiO3 mantle (see main text for details). For similar plots, see
Seager et al. (2007) and Howe et al. (2014).

EOS that is widely used for exoplanet modeling (Birch 1947;
Seager et al. 2007), i.e.

PBM =
3

2
K0

(
y7/3 − y5/3

)[
1 +

3

4

(
K′0 − 4

) (
y2/3 − 1

)]
,

(2)

where y = (ρ0/ρ)−1. In this case, the density at zero pressure
is ρ0 = 3.22 g cm−3, and the two constants are K0 = 125 GPa
and K′0 = 5, respectively.
The mass, radius, and internal density profile of a planet

can be calculated by using the above EOSs. The property of
a planet composed of pure materials is mainly characterized
by its central pressure (Pc). But for a two-layer planet com-
posed of a Fe core and a MgSiO3 mantle, both the central
pressure and the pressure at the core-mantle boundary (Pcb)
are necessary to determine the mass and radius of the planet.
In our calculations, we will take various possible Pc and Pcb

values (Seager et al. 2007; Howe et al. 2014) to study their
effects on the dynamics. For a two-layer planet, the EOS can
be generally expressed as

P =

{
PSM, P ≥ Pcb (for core)
PBM. P < Pcb (for mantle)

(3)

As an example, Fig. 1 plots the ρ−R (density vs. radius)
profile of some two-layer planets. Note that the Pc and Pcb

are different for these objects. On each curve, the vertical
segment represents the boundary between the core and the
mantle, at which there is a jump in density but the pressure
is still continuous, that is Pcb. The mass-radius (mpl − Rpl)
relation of pure Fe planets and pure MgSiO3 planets is shown
in Panel (a) of Fig. 2, and the relation between mpl and ρc/ρ̄
(the ratio of the central density to the mean density) is shown
in Panel (b). It can be seen that planets consisting of pure
Fe are more compact than those composed of MgSiO3.
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Figure 2. (a) Mass-Radius relation and (b) ρc/ρ̄ vs. mass for pure
Fe planets and pure MgSiO3 planets. For similar plots, see Smith
et al. (2018) and Seager et al. (2007).

3 CONDITION OF TIDAL DISRUPTION

Let us consider the tidal disruption of a rocky planet by its
host, an NS. The planet moves around the NS in an eccen-
tric orbit. The mass of the NS is designated as M? (in the
calculations throughout this paper, we take M? = 1.4M�),
and the planet is a rocky object with a mass of mpl and an
orbital period of Porb. According to the Kepler’s third law,
the semi-major axis (a) of the orbit is related to Porb as

P 2
orb

a3
=

4π2

G(M? +mpl)
. (4)

The separation between the planet and the central star in
an eccentric orbit is phase-dependent. At phase θ, it is r =
a(1−e2)/(1+e cos θ), where e is the eccentricity of the orbit.
Note that the periastron is rp = a(1− e) in this case.
If the planet is too close to the NS, the central star’s tidal

force would exceed the planet’s self-gravity at the surface so
that the planet will be disrupted by the tidal force. The crit-
ical separation is defined as the tidal disruption radius (Hills
1975). For a gravity-dominated object, the tidal disruption
radius can be expressed as

rtd = Rpl

(
2M?

mpl

)1/3

. (5)

For a rocky planet, the tidal disruption radius is rtd ∼ 1011

cm. On the other hand, when the distance of the planet is only
slightly larger than rtd, it will also be affected by the tidal
force and could be partially disrupted. Fragments of several

MNRAS 000, 1–11 (2023)
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kilometers in size will be produced during this process. The
degree of partial disruption depends on the separation (r).
The details relevant to partial disruption will be discussed in
the next section.
Small bodies with a radius of less than a few kilometers are

bounded by material-strength. For them, the intrinsic mate-
rial shear and cohesive strengths can help resist the tidal force
(Sridhar & Tremaine 1992; Holsapple & Michel 2008; Zhang
& Lin 2020). According to the elastic-plastic continuum the-
ory (Holsapple & Michel 2008), the tidal disruption limit of
small bodies in the the material-strength dominated regime
is (Zhang & Lin 2020; Zhang et al. 2021)

rstr =

(√
3M?

4πρcl

)1/3(
5k

4Gπρ2clr
2
cl

+ s

)−1/3

, (6)

where rcl and ρcl are the radius and density of the small
body (clump), respectively. The two constants s and k can
be expressed as a function of the friction angle φ and the
cohesive strength C, s = 2 sinφ/

√
3(3 − sinφ) and k =

6C cosφ/
√

3(3 − sinφ). The friction angle usually ranges in
25◦ — 50◦ (Holsapple & Michel 2008; Bareither et al. 2008).
The cohesive strength of meteorites/asteroids is typically in
the range of 0.1-10 MPa (Pohl & Britt 2020; Veras & Scheeres
2020), while it is ∼1 Pa for comets (Gundlach & Blum 2016).
In our case, the small clump typically has a size of 2 km and a
density of ρcl = 5 g cm−3 (typical density for MgSiO3). Tak-
ing φ = 30◦, then the break up distance is rstr = 5.31× 1010

cm for C = 0.1 MPa, and it is rstr = 9.88×109 cm for C = 10
MPa. Alternatively, taking φ = 45◦, we have rstr = 2.41×1010

cm for C = 0.1 MPa, and rstr = 5.34 × 109 cm for C = 10
MPa. It means that the small body will remain intact even
when they are very close to the central star.

4 ORBITS OF THE CLUMPS

In this study, we consider a rocky planet moving around an
NS in a highly elliptical orbit. The periastron is assumed
to be slightly larger than the tidal disruption radius so that
the planet will be partially disrupted every time it passes
through the periastron. A few clumps of several kilometers
are generated in the process. The condition of the NS-planet
system determines the features of the stripped clumps. First,
the degree of disruption is determined by the ratio of the
tidal disruption radius with respect to the periastron, which
we define as the penetration factor (β), i.e. β = rtd/rp. If
β is large (the separation is small at the periastron), then
the disruption is violent and the planet would be significantly
destroyed. On the other hand, when β is small (the separation
is large), the planet will only be lightly affected. The material
in the outer crust of the planet will be stripped off to produce
some rocky clumps, but the planet itself will largely remain
its integrity (e.g. Manser et al. 2019; Guillochon et al. 2011;
Liu et al. 2013; Malamud & Perets 2020a,b; Law-Smith et al.
2020).
The mass stripped from the planet depends on its structure

and the penetration factor (β). The mass loss (∆m) is very
small when β . 0.5 (Guillochon et al. 2011; Liu et al. 2013;
Ryu et al. 2020; Law-Smith et al. 2020). It corresponds to a
periastron separation of rp & 2rtd. Here we take rp = 2rtd
as a typical condition for partial disruption, which is used to

determine the orbit parameters of the planet and the clumps
in the following calculations.
After disruption, the clumps are still bound to the central

star, but they should have slightly different orbital parame-
ters since they originate from different parts of the planet.
It is very similar to the disruption of a planet around a WD
(Malamud & Perets 2020a,b; Brouwers et al. 2022, 2023).
For example, the semi-major axis (acl) of the clump orbit de-
pends on the β and displacement (R) of the clump relative
to the mass center of the planet at the moment of breakup
(R = 0 corresponds to the center of the planet). As a result,
the semi-major axis of a clump stripped off from the inner
and outer side of the planet is (Malamud & Perets 2020a)

acl =

 a
(

1 + a 2R
d(d−R)

)−1

, (inner)

a
(

1− a 2R
d(d+R)

)−1

, (outer)
(7)

where d is the distance between the NS and the planet at the
moment of break up (here d = rp).
According to Kepler’s third law, the orbit period of the

clump is

P cl
orb =

(
4π2a3cl

G(M? +mcl)

)1/2

. (8)

As the clump returns to the periastron of its orbit, one has
rp = acl(1 − ecl) ± R (here + and − for inner and outer
clumps), and the eccentricity is

ecl =

{
1− rp−R

acl
, (inner)

1− rp+R

acl
, (outer)

(9)

The spread of orbital parameters of clumps is determined
by their original locations on the planet (R, inside the planet),
and by the β parameter. Different β leads to different out-
comes, such as a full disruption or a partial disruption. In
this study, as explained above, we mainly consider the par-
tial disruption cases, for which we take a typical condition of
β = 0.5 (or d = rp = 2rtd). The clumps are assumed to origi-
nate from the planet’s surface (R ∼ Rpl), while the main por-
tion of the planet remains unaffected. As a result, the orbital
parameters of the clumps, such as acl and ecl, will be slightly
different from that of the original planet. For example, if we
take Porb = 100 day, mpl = 12.84M⊕, Rpl = 10107.08 km for
a two-layer planet, and assume that materials with ∆R = 200
km in depth are stripped off from the surface to form clumps,
i.e R = [Rpl−∆R,Rpl], then the eccentricity of the resultant
clumps will be in a narrow range of ecl = [0.96469, 0.96422].
We see that for two clumps originated from R = Rpl − ∆R
and from Rpl, their difference in the orbital eccentricity is
very small. Therefore, we only need to consider the case of
the clumps in the innermost orbit.
We now further estimate the orbit parameters of our

systems under the partial disruption condition. Taking the
planet’s orbit period as Porb = 10 days, 100 days, and 1000
days, respectively, we have calculated the parameters of the
planet and the clumps. They are plotted versus the planet
mass in Fig. 3, some exemplar parameters are presented in
Table 1. Here, the left panels show the cases for Fe planets
and the right panels show the cases for MgSiO3 planets. We
see that the planet’s eccentricity increases while the semi-
major axis and eccentricity of the clumps decrease as the
planet’s mass increases. At the same time, to acquire a long
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orbital period, the semi-major axis and eccentricity of the
planet should be large enough. This is easy to understand.
The dependence of acl and ecl on the two parameters of mpl

and Rpl is expressed in Equations (7) and (9). Note that in
these two equations, we have d = rp = 2rtd. From Equation
(7), we see that acl is mainly determined by R and rtd, but is
almost independent onmpl sincempl �M?. The dependence
of ecl on mpl and Rpl is similar.
Whether the clumps are bound to the NS or not is an im-

portant issue concerning the tidal disruption process. Clumps
in the inner stream with acl < a are bound to NS. However,
for the clumps with acl > a in the outer stream, we need
to consider a critical displacement of Rcrit = d2/(2a − d) on
the far side of the NS (e.g. Malamud & Perets 2020a). The
clumps coming from R < Rcrit are bound while the clumps
with R > Rcrit form parabolic orbits and are finally unbound
to the NS. We will further investigate this issue in the next
section.
The inclination angle (i) of the clump is determined by its

vertical position at the surface of the planet. The maximum
inclination is i = arc tan(Rpl/rtd). But in typical cases, we
can assume that the clump originates from a vertical height
of Rpl/2, then the inclination is i = arc tan(Rpl/2rp). For
example, for a 10M⊕ Fe planet, the inclination is i = 0.2◦,
while for a 18M⊕ Fe planet, it is i = 0.24◦. We see that
the inclination is generally very small so that the clumps are
essentially coplanar with the planet. Note that the rotation
of the planet is also an important factor that can influence
the inclination of the clumps. If the planet’s rotation axis is
misaligned with its orbital rotation axis, then the inclination
could be slightly larger.

5 DYNAMICS OF THE CLUMPS

In the above section, we have presented the condition of par-
tial disruption for a rocky planet around an NS. The clumps
generated during the partial disruption will orbit around the
NS under the influence of gravitational perturbation of the
surviving portion of the planet. As a result, the orbit of each
clump will evolve and the eccentricity would increase, which
will finally make the clumps fall toward the NS. In this sec-
tion, we present details of the dynamics.
After disruption, the NS, the surviving portion of the

planet and the clumps form a multi-body system. Ignoring
the interaction between clumps, the system can be simplified
as a triple system, which includes the NS, the remnant planet,
and a particular clump. The stability of a triple system has
been studied for a long time (Eggleton & Kiseleva 1995;
Mardling & Aarseth 2001). Recently, He & Petrovich (2018)
introduced a stability criterion for triple systems, which can
be expressed as

a (1− e)
acl (1 + ecl)

> 2.8
1

1 + ecl

×
[(

1 +
mpl

M? +mcl

)
1 + e

(1− e)1/2

]2/5(
1− 0.3i

180◦

)
, (10)

where e and a are the orbital parameters of the planet, ecl
and acl are the parameters of the clump. Note that this cri-
terion applies to any triple system. If a system satisfies the
above criteria, then it is stable. On the contrary, if the system
does not satisfy the above criteria, then the secular evolution

approximation underlying the Kozai-Lidov theory will break
down. In such an unstable system, the clump will either be
ejected or collide with the central object.
Besides, there is another instability that can make the or-

bit unstable, in which the secular approximation is break-
down (Antonini & Perets 2012; Antonini et al. 2014, 2016;
Hamers 2018; Hamers et al. 2022). In this case, the evolu-
tionary timescale of the clump’s angular momentum is com-
parable to the orbital period of the planet. Several methods
have been proposed to deal with the breakdown of the secular
approximation, including quadrupole approximation or even
higher order contribution (Naoz et al. 2011; Katz & Dong
2012; Seto 2013; Naoz et al. 2013), or the double-averaging
approaching (Katz & Dong 2012; Antonini et al. 2014, 2016;
Bode & Wegg 2014). It is found that the orbit of the clump
can have a high eccentricity irrespective of its initial incli-
nation. As a result, the clump will finally collide with the
central star (e.g. Perets & Kratter 2012; Katz & Dong 2012;
Bode & Wegg 2014; Petrovich 2015; He & Petrovich 2018;
Toonen et al. 2022).
We have assessed the stability of the clump’s orbit by using

equation (10). The results are plotted in Fig. 4. Note that the
stability condition is calculated by subtracting the right-hand
side from the left-hand side of Equation (10). It could be seen
that, in our cases, the stability condition for all configurations
is smaller than zero, meaning that the orbits of the clumps
are unstable. As stated above, such unstable clumps will ei-
ther be ejected from the system or collide with the NS. If
the separation (r) between the NS and clump is larger than
a critical separation of 5a, the clump will essentially become
free (e.g. He & Petrovich 2018). We have checked the fate of
the clumps by using this method. Since the NS has a strong
magnetic field, the clumps can be magnetically captured by
the NS when they approach the magnetosphere (Geng et al.
2020). As a result, the periastron distance of the clump’s or-
bit should be larger than the magnetosphere radius, which
is roughly dc ∼ 109 cm. Correspondingly, the critical eccen-
tricity should be ec = 1− dc/acl, and the apocenter distance
(the largest separation between the NS and the clump on the
orbit) is ra,c = acl(1 + ec). We then can compare ra,c with
5a to judge the fate of the clumps. To do so, let us define
Ceje = ra,c − 5a. If Ceje > 0, the clump will be ejected. Us-
ing this approach, we have checked our cases and plotted the
results in Panel (a) of Fig. 5. It could be seen that none of
the clumps in the inner orbit will be ejected. This result is
reasonable. The parent object of the clumps, i.e. the planet
itself, is a bound object in our framework. So, the clumps
will also be bound. On the other hand, if the planet is a free
object which happens to pass by the NS, then the disrupted
clumps would mainly be unbound and would be ejected.
On the other hand, it has been argued that the torque

exerted by the outer perturber on the clump is large enough
to lead the clumps to collide with the NS in one orbit period
if the condition

Ccol = 2.55

(
acl
2dc

)1/6(
mpl

M? +mcl

)1/3

− a (1− e)
acl

> 0 (11)

is satisfied (e.g. He & Petrovich 2018). Using this criterion, we
have checked the clumps in the system and plotted the results
in Panel (b) of Fig. 5. From this figure, we could further see
that a(1 − e)/acl < 0.12 and ε > 0.3 are satisfied in all the
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Figure 3. Panel (a) shows the planet’s semi-major axis (solid lines) and the clump’s semi-major axis (dashed lines) as a function of the
planet’s mass. The red, blue, and green lines represent the planet with an orbital period of 10 days, 100 days, and 1000 days, respectively.
Panel (b) shows the planet’s eccentricity (solid lines) and clump’s eccentricity (dashed lines) as a function of the planet’s mass. The line
colors are the same as in Panel (a). The right panels (c) and (d) show the cases for MgSiO3 planets, and the line styles are the same as
that in the left panels.

cases, indicating that they are non-hierarchical and unstable
so that the secular approximation is broken down.
In short, our system satisfies the collision condition. This

is due to the fact that the action of the surviving planet can
significantly change the clump’s angular momentum at peri-
apsis (e.g. Antonini et al. 2014; Zhang et al. 2023), leading
to a quick reduction of the pericenter separation so that a
head-on collision will finally occur. During the process, the
closeness of the clump’s orbit with respect to that of the
surviving planet, together with the asymmetric configuration
(i.e. the eccentric orbit of the planet), is the key factor that
takes effect. Note that the perturbation effect of the planet
is strong in less hierarchical and dynamically unstable sys-
tems (e.g. Toonen et al. 2022). Below, we will calculate the
evolutionary timescale of the clump’s angular momentum.
The angular momentum of the clump is Jcl =

M?mcl

(
Gacl(1− e2cl)/Mb

)1/2, where Mb = M? + mcl is the
total mass of the NS and the clump. In our case, M? is
much larger than mcl, so we have Mb ≈ M?. Let us de-
fine Jcl,c = Jcl/(1 − e2cl)

1/2, which is the angular momen-
tum of a circular orbit with the same semi-major axis, acl,
then the dimensionless angular momentum of the clump is
jcl = Jcl/Jcl,c =

√
1− e2cl. Due to the influence of the surviv-

ing planet, the clump’s specific angular momentum evolves on

a timescale of tevo =
(

1
jcl

djcl
dt

)−1

(e.g. Antonini et al. 2014;
Bode & Wegg 2014; Hamers et al. 2022). In our framework,
the timescale can be further expressed as

tevo =

(
1

jcl

djcl
dt

)−1

≈ P cl
orb

1

5π

M?

mpl

[
a(1− e)
acl

]3√
1− ecl.

(12)

It gives the time for the clump to evolve to jcl ∼ 0, i.e. falling
toward the NS.
We have calculated the clump’s orbital period (P cl

orb) and
the corresponding evolution timescale of its angular momen-
tum (tevo). They are plotted versus the planet mass in Fig. 6,
and some typical parameters are also listed in Table 1. Our
calculations are conducted for planets with three different or-
bital periods, i.e. Porb = 10 days, 100 days, and 1000 days.
From panel (a) of Fig. 6, we can see that for an Fe planet
with a mass of 4.57M⊕, the orbital period of the clump is
6.73 days and the evolution timescale of its angular momen-
tum is 4.74 days for Porb = 10 days. For Porb = 1000 days,
the orbital period of the clump is 48.52 days and the evo-
lutionary timescale of its angular momentum is 0.34 days.
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Table 1. Typical parameters of the Fe/MgSiO3 planet and the clumps stripped off from the planet.

Planet Clump
ρc mpl Rpl ρc/ρ̄ Porb a e acl P cl

orb ecl tevo
(g cm−3) (M⊕) (R⊕) (days) (au) (au) (days) (days)

Fe planet
25.65 4.57 1.15 1.54 10 0.10 0.943 0.08 6.73 0.927 4.74

100 0.47 0.988 0.20 26.83 0.971 0.75
1000 2.19 0.997 0.29 48.52 0.980 0.34

35.72 10.12 1.38 1.70 10 0.10 0.948 0.07 5.86 0.926 1.96
100 0.47 0.989 0.16 19.41 0.967 0.40
1000 2.19 0.998 0.21 30.68 0.975 0.22

48.32 18.12 1.56 1.85 10 0.10 0.951 0.07 5.14 0.925 1.01
100 0.47 0.989 0.13 14.68 0.963 0.25
1000 2.19 0.998 0.17 21.25 0.971 0.15

MgSiO3 planet
6.53 4.41 1.69 1.30 10 0.10 0.916 0.08 7.60 0.899 16.93

100 0.47 0.982 0.24 37.30 0.965 2.03
1000 2.19 0.996 0.41 81.58 0.979 0.72

7.95 9.95 2.12 1.38 10 0.10 0.919 0.08 6.94 0.898 7.23
100 0.47 0.983 0.21 29.07 0.961 1.07
1000 2.19 0.996 0.32 54.74 0.974 0.46

9.36 18.15 2.49 1.44 10 0.10 0.922 0.08 6.37 0.897 3.86
100 0.47 0.983 0.18 23.43 0.957 0.68
1000 2.19 0.996 0.26 39.86 0.970 0.33

Note: The mass, radius, and density of the planets are taken from the data in Fig. 2. Other parameters of the planets
and clumps are calculated according to the equations given in the main text.
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Figure 4. Stability condition for the system composed of the NS,
the surviving portion of the planet, and the clump. The solid and
dashed lines represent Fe and MgSiO3 planets with different orbital
periods, respectively. A stability condition smaller than zero means
that the system is unstable.

For a Fe planet with Porb = 100 days, the orbital period of
the clump is 26.83 days and the evolutionary timescale of
its angular momentum is 0.75 days for mpl = 4.57M⊕. For
mpl = 18.12M⊕, the orbital period of the clump is 14.68 days
and the evolutionary timescale of its angular momentum is
0.25 days. In general, for a planet with a particular mass,
with the increase of the planet’s orbital period, the period
of the clump also increases while the evolution timescale of
its angular momentum decreases. On the other hand, for a
planet with a particular orbital period, with the increase of
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Figure 5. Ceje (a) and Ccol (b) as a function of a(1−e)/acl for the
configurations listed in Tables 1 and 2. The symbol size represents
the scale of the planet’s mass. Ceje < 0 means the clump will not
be ejected from the system. Ccol > 0 means that the clump would
collide with NS due to the perturbation.

the planet’s mass, both the clump’s orbital period and evo-
lution timescale of angular momentum decrease. Panel (b) of
Fig. 6 shows the cases for MgSiO3 planets, which are largely
similar to that of Fe planets.
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Table 2. Typical parameters of two-layer planets (with Fe core and MgSiO3 mantle) and the clumps stripped off from the planet.

Planet Clump
ρc mpl Rpl ρc/ρ̄ fFe Porb a e acl P cl

orb ecl tevo
(g cm−3) (M⊕) (R⊕) (%) (days) (au) (au) (days) (days)

21.03 3.26 1.35 2.89 47 10 0.10 0.925 0.08 7.56 0.911 14.98
100 0.47 0.984 0.24 36.71 0.969 1.82
1000 2.19 0.997 0.40 79.43 0.981 0.65

31.10 9.83 1.83 3.50 47 10 0.10 0.930 0.08 6.61 0.909 4.69
100 0.47 0.985 0.19 25.70 0.963 0.77
1000 2.19 0.997 0.28 45.54 0.975 0.36

39.92 12.84 1.59 2.25 90 10 0.10 0.945 0.07 5.80 0.921 1.91
100 0.47 0.988 0.16 18.97 0.964 0.39
1000 2.19 0.997 0.21 29.73 0.973 0.22

27.33 17.10 2.41 4.05 6 10 0.10 0.923 0.08 6.38 0.898 3.90
100 0.47 0.984 0.18 23.58 0.957 0.68
1000 2.19 0.996 0.26 40.22 0.970 0.33

44.96 20.68 2.17 4.01 51 10 0.10 0.935 0.07 5.78 0.908 2.03
100 0.47 0.986 0.15 18.81 0.958 0.42
1000 2.19 0.997 0.21 29.40 0.969 0.23

Note: The mass, radius, and density of the two-layer planets are taken from the data in Fig. 1. Other parameters of
the planets and clumps are calculated according to the equations given in the main text.

Table 2 presents some typical parameters for two-layer (Fe
core and MgSiO3 mantle) planets with different Fe-core frac-
tion, fFe. We see that with the increase in the planet’s orbital
period, the period of the clump also increases, while the evo-
lution timescale of its angular momentum decreases, which
is similar to that of pure Fe planets and pure MgSiO3 plan-
ets. However, for a fixed orbital period, when the mass of
the planet increases, the changes of both the clump’s period
and the evolution timescale of its angular momentum are
quite different from that of pure Fe planets and pure MgSiO3

planets. For example, in the case of Porb = 10 days, the
clump’s orbital period is 5.8 days and the evolution timescale
of its angular momentum is 1.91 days for a planet mass of
12.84M⊕ (fFe = 90%). But for a planet mass of 17.10M⊕
(fFe = 6%), the clump’s orbital period is 6.38 days and the
evolution timescale of its angular momentum is 3.9 days. It
indicates that the tidal disruption process is affected by the
composition of the planets.
We now estimate the clump’s travel time from the planet to

the central NS. In our framework, partial disruption mainly
occurs at the periastron. The time for a clump to return to the
periastron (tret) should equal to its orbital period (Zanazzi &
Ogilvie 2020; Mageshwaran & Mangalam 2021; Rossi et al.
2021), i.e. tret ∼ P cl

orb. After that, the clump’s angular mo-
mentum evolves on a timescale of tevo under the influence
of the gravitational perturbation from the remnant planet.
Therefore, the time for the clump to travel to the NS can be
approximated as ttrav ∼ 2tret + tevo. For the configurations
with tevo . P cl

orb, we have 2P cl
orb < ttrav . 3P cl

orb, which means
that the clumps will fall onto the NS within ∼ 2 — 3 orbital
periods after their birth.

6 DISCUSSIONS

In a binary system, the orbit will evolve due to various ef-
fects such as mass loss, gravitational wave (GW) radiation,
tidal dissipation, and magnetic interactions. In this section,

we discuss the effects of these evolutionary channels on our
planetary systems.

(i) Mass loss
In our framework, the planet passes through the periastron

repeatedly, and thus may experience multiple disruptions.
Mass loss is a significant feature in the process, the effect
of which on the orbit of the planet needs to be addressed. Es-
pecially, it should be clarified whether the planet still remains
bound to the NS after multiple disruptions. During a partial
disruption, the total mass loss is ∆m = ∆m1 + ∆m2, where
∆m1 and ∆m2 are the mass loss from the Lagrangian points
L1 and L2, respectively. Usually, the mass loss is asymmetric
with ∆m1 > ∆m2. The surviving core thus could obtain a
kick velocity due to the asymmetry, which is mainly deter-
mined by the mass difference defined as ∆m12 = ∆m1−∆m2.
If the kick velocity is too large, then the surviving core could
be scattered away from the NS. Similar processes have been
extensively studied by many authors, but mainly on the tidal
disruption of gaseous giant planets (Guillochon et al. 2011;
Liu et al. 2013) and main sequence stars (Manukian et al.
2013; Gafton et al. 2015; Zhong et al. 2022). It is found that
the mass difference (∆m12) is very sensitive to rp. It gener-
ally decreases with the increase of rp. In our case, we have
rp & 2rtd (β . 0.5), then the mass difference of ∆m12 is
essentially very small even for gaseous planets (Liu et al.
2013). Additionally, the planet is a rocky one, which fur-
ther markedly reduces the mass difference. The impulse kick
caused by such a ∆m12 is small and will not affect the orbit
of the surviving core. As a result, it remains to be bound to
the NS and continues to revolve around the host.
(ii) GWs and Tides
The planet’s orbit may be affected by gravitational wave

radiation and tidal dissipation. Here we consider these two
factors. For the GW emission, we have calculated the decay
time of the orbit (tgw) by using equation (6) of Vick et al.
(2017). It is found that the decay time is very long, tgw > 1015

yr. For tidal dissipation, the decay time is even longer than
the gravitational timescale (Vick et al. 2017). So, in our cases,
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Figure 6. The orbital period of clumps (solid lines) and the evolution timescale of their angular momentum (dashed lines) plotted versus
the planet’s mass. Panel (a) is for Fe planets and Panel (b) is for MgSiO3 planets. The red, blue, and green lines correspond to the planets
with orbital period of 10 days, 100 days, and 1000 days, respectively.

the effects of both tidal dissipation and GW radiation can be
neglected.
(iii) Alfvén-wave Drag
It should be noted that an object moving around an NS

could interact with the magnetosphere of the NS when the
orbit radius is too small, producing some Alfvén wing struc-
tures. Such interactions will help the NS capture the object
(Cordes & Shannon 2008; Mottez & Heyvaerts 2011). How-
ever, in our cases, the periastron is still relatively further
away from the NS. As a result, for the clumps that are of
the size of a few kilometers, the orbit decay time is very long
(e.g. Zhang et al. 2021). Therefore, the Alfvén-wave drag is
not a dominant mechanism for the orbit decay of the planet
and clumps.

In short, the effects of mass loss, GWs, tides, and magnetic
fields on the evolution of the planet and clumps are negligible
in our framework.

7 CONCLUSIONS

In this study, we concentrate on the systems in which a rocky
planet revolves around an NS in a highly elliptic orbit. The
periastron of the planet is close to the NS, rp ∼ 2rtd, so that
it will be partially disrupted every time it passes through
the periastron, forming a multi-body system. The dynami-
cal evolution of the clumps stripped off from the planet is
investigated, taking into account the joint gravitational in-
teractions of the NS and the surviving portion of the planet.
The interactions among clumps are neglected for simplicity.
As a result, the NS, the remnant planet, and a particular
clump form a triple system. For the evolution of the clump
in such a system, our conclusions are as follows:

• Gravitational perturbation from the remnant planet is
a dominant factor that governs the evolution of the clump’s

orbit. Due to the perturbation, the eccentricity of the clump
orbit increases quickly so that its specific angular momen-
tum decreases to almost zero on a timescale of several orbital
periods, causing the clump to effectively collide with the NS.
• The detailed evolution of the clumps is significantly af-

fected by the orbital parameters and the structure of the
planet. We have examined three types of planets: pure Fe,
pure MgSiO3, and two-layer planets (Fe core and MgSiO3

mantle). By assuming three typical orbital periods for the
planet, i.e. 10 days, 100 days, and 1000 days, it is found that
the evolutionary timescale of the clump’s angular momen-
tum decreases with the increase of the orbital period and the
planet’s mass. For planets with different compositions, the
trend of change is similar for the evolution time timescale,
but the exact values differ significantly.

Generally, we see that the clumps will collide with the NS
shortly after their birth in a partial disruption event. The
collision may lead to some kinds of electromagnetic transient
events. In fact, it has been argued that the accretion of a small
body by an NS can produce some special kinds of gamma-ray
bursts (Colgate & Petschek 1981). GRB 101225A may occur
in this way (Campana et al. 2011). The collision of an aster-
oid with an NS may also account for X-ray bursts (Huang &
Geng 2014; Geng & Huang 2015; Dai 2020; Geng et al. 2020)
and/or fast radio bursts (Geng & Huang 2015; Dai et al.
2016; Smallwood et al. 2019; Dai 2020; Geng et al. 2020; Dai
& Zhong 2020). However, the exact phenomenon associated
with the collision will depend on many detailed factors, such
as the composition and size of the clump, the magnetic field
and spin period of the NS, the impact parameter, etc. It may
even depend on the internal composition of the so-called neu-
tron star, which may actually be a strange quark star (Geng
et al. 2021; Nurmamat et al. 2022). A detailed case study on
the various possible transients associated with the collision is
still being conducted. Additionally, it should be noted that
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the partial tidal disruption of a rocky planet near the peri-
astron is a very complicated process. In this study, we have
taking some simplified assumptions on the size and shape
of the clumps. To clarify these issues, numerical simulations
on the tidal disruption process should be necessary, which is
beyond the scope of this study.
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ABSTRACT

Cosmology constraints serve as a crucial criterion in discriminating cosmological models. The tra-

ditional combined method to constrain the cosmological parameters designates the corresponding the-

oretical value and observational data as functions of redshift, however, sometimes the redshift cannot

be measured directly, or the measurement error is large, or the definition of redshift is controversial. In

this paper, we propose a novel joint method to constrain parameters that eliminates the redshift z and

makes full use of the multiple observables {F1,obs,F2,obs, · · · ,FM,obs} spanning in M -dimensional joint

observables space. Considering the generality of the mathematical form of the cosmological models and

the guidance from low to high dimensions, we firstly validate our method in a three-dimensional joint

observables space spanned by H(z), fσ8(z) and DA(z), where the three coordinates can be considered

redshift-free measurements of the same celestial body (or shared-redshift data reconstructed model in-

dependently). Our results are consistent with the traditional combined method but with lower errors,

yielding H0 = 68.7±0.1 km s−1 Mpc−1, Ωm0 = 0.289±0.003, σ8 = 0.82±0.01 and showing alleviated

parametric degeneracies to some extent. In principle, our joint constraint method allows an extended

form keeping the redshift information as an independent coordinate and can also be readily degraded

to the form of a traditional combined method to constrain parameters.

Keywords: Observational cosmology (1146), Computational methods (1965), Astronomy data analysis

(1858), Cosmological parameters (339), Astrostatistics strategies (1885)

1. INTRODUCTION

One of the major challenges in cosmology involves

attempting to accurately constrain the parameters of

cosmological models. The traditional approach to cos-

mological parameter inference entails using the observa-

tional data atlas (Fobs, z), which are modeled with Gaus-
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sian distribution and the likelihood L(θ) = P (Fobs | θ).

This likelihood function captures both the information

of a cosmology model and the way to interpret the model

with observational data. By combining this likelihood

with a prior distribution, we can obtain a posterior dis-

tribution P (θ | Fobs) that reflects our updated under-

standing of the parameters. Whether a single cosmolog-

ical observable is used to constrain the parameter inde-

pendently or multiple observables are combined to infer

the parameters, the redshift z is always used to label the

observational data and also regraded as an independent

variable of the model F in the χ2 statistic

χ2 =

M∑
j

(
N∑
i

[
Fj
(
zi;θ

j
)
−Fj,obs,i

]2
σ2
j,i

)
, (1)
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2

where θj =
(
θj1, · · · , θ

j
D

)T
is the D-dimensional free

parameters vector inferred from the j-th sub-atlas

(Fj,obs, z), Fj
(
zi;θ

j
)

is the theoretical cosmology pa-

rameter at zi given an idiographic set of parameters

θj and the error σ2
j,i = (σji )

T · σji satisfies a Gaus-

sian distribution with a diagonal covariance matrix cor-

responding to (Fj,obs, z), N is the number of obser-

vational data for (Fj,obs, z), and M is the number of

observables {F1,obs,F2,obs, · · · ,FM,obs}. Consequently,

the likelihood can be expressed as

L̃(θ) =

M∏
j

P
(
F j,obs | θj

)

=

M∏
j

 N∏
i

1√
2πσ2

j,i

 exp

(
−χ

2

2

)
.

(2)

The traditional method considers different observables

independently in the χ2 statistic, such as the theoreti-

cal value of H(z) corresponds to the observational Hub-

ble data (Ma & Zhang 2011), and the theoretical value

of fσ8 corresponds to the observational fσ8 data, even

when combining multiple observables. However, this ap-

proach may not fully utilize all the available information

in the joint data (Linder 2017). Moreover, the joint

observables space only employs (z,H)⊕ (z, fσ8) rather

than (z,H)⊕ (z, fσ8)⊕ (H, fσ8), where the elements in

parentheses can be considered as space coordinate bases.

In addition, we frequently designate the corresponding

theoretical value and observational data with redshift,

even though there are errors associated with redshift

measurements, and we typically do not account for the

error of redshift when calculating the χ2, which may

lead to a potentially dangerous consequence: due to the

error of redshift, the theoretical value of Fj
(
zi;θ

j
)

at
redshift zi is possibly not the actual theoretical value of

Fj
(
zi;θ

j
)

corresponding to the observational value at

this redshift, which can aggravate the deviation of the re-

sults of constraining parameters. In addition, some ob-

servations, such as gravitational waves, fast radio bursts,

and quasars, cannot be directly observed for redshift or

the redshift is ambiguous.

The theory of gravitational waves (GWs) is a complex

and interdisciplinary topic that merges concepts from

general relativity, field theory, astrophysics, and cosmol-

ogy. Since the first GW detection from a binary black

hole merger (Abbott et al. 2016), the science of grav-

itational waves is developing rapidly. The prerequisite

for obtaining redshift by direct observation of GWs is

to find the corresponding electromagnetic counterpart.

Fortunately, the redshift value of a particular GWs can

be obtained indirectly: firstly, the luminosity distance

can be obtained by matching the GW waveform. Sec-

ondly, the angular diameter distance can be determined

by the gravitational lensing effect of GWs (Contigiani

2020; The LIGO Scientific Collaboration et al. 2021).

Finally, the redshift value can be calculated by combin-

ing the two. However, the redshift obtained with this

method may be affected by the computational model

(Creighton & Anderson 2011; Bailes et al. 2021).

Fast radio bursts (FRBs), milliseconds-duration radio

bursts that originate predominantly from cosmological

distances, are detected for the first time in the Small

Magellanic Cloud (Lorimer et al. 2007). For the ma-

jority of fast radio bursts without reliable redshift mea-

surements, the redshift can be estimated using the mea-

sured dispersion measure (DM) value according to the

DM − z relation (Macquart et al. 2020). Nevertheless,

due to the inhomogeneity of the intergalactic medium

(IGM) caused by large-scale structure, the measured

DM may be larger or smaller than the theoretical value

for a single fast radio burst, and DM measured at the

same redshift may also vary significantly for different

lines of sight. Furthermore, the DM contributions from

the FRB host galaxies and the immediate media around

the FRB sources are unknown and difficult to measure

because they are degenerate withDMIGM andDMIGM ,

which is largely uncertain. All of these factors contribute

to inaccurate redshifts estimated by the DM−z relation

(Zhang 2022; Petroff et al. 2022; Xiao et al. 2021).

Quasars are a subclass of active galactic nuclei, which

are extremely luminous galactic cores where gas and

dust falling into a supermassive black hole emit elec-

tromagnetic radiation across the entire electromagnetic

spectrum (Shields 1999; Urry & Padovani 1995; Hopkins

et al. 2006). The redshift of quasars has been controver-

sial topic, with three main perspectives regrading their

redshift (a) cosmological redshift, (b) non-cosmological
redshift, and (c) both (Ellis 2008; Sanders et al. 1989;

Neugebauer et al. 1987). The most prominent character-

istic of quasars is their large redshift. According to Hub-

ble’s Law, this redshift could be attributed to the retro-

grade motion of extragalactic objects caused by the ex-

pansion of the universe. If this is the case, then quasars

must be very distant objects, yet they can still be ob-

served thanks to their extreme luminosity. The surpris-

ing and perplexing concentration of so much luminosity

in such a tiny radiation region is a mystery. In addition,

it has also been observed that the galaxy NGC3384 has

a redshift z = 0.003, and that the six quasars found

around it have similar redshifts z ∈ [1.11, 1.28] to each

other. These quasars are associated with the galaxy

NGC3384. However, the redshift of galaxy NGC3384

is significantly different from that of quasars, indicating
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that the redshift of the quasar is non-cosmological (Arp

et al. 1979).

Given the challenges and uncertainties associated with

obtaining redshift information, it is worthwhile to con-

sider a cosmological parameter constraint method with-

out redshift. In this paper, we propose a redshift-free

method for constraining the cosmological parameters.

This approach extends the traditional combined method

while preserving the available redshift information, al-

lowing for the possibility of errors in redshift measure-

ments. The rest of this paper is as follows: in Section.

2, we propose a new model of combination cosmology

parameters that eliminates the redshift z. In Section.

3, we apply it to a set of carefully simulated data to

validate the efficacy of our joint constraint method and

assess its capacity to constrain parameters of the cosmo-

logical model. In Section. 4, we demonstrate the results

of constraint using our joint method and make a discus-

sion of our method. Finally, in Section. 5, we provide a

concise summary of this work.

2. MODEL OF COMBINATIONS OF

PARAMETERS

To break through the aforementioned limitations of

existing methods, we propose a novel model for combin-

ing cosmological parameters that eliminates the need

for redshift z information. This new approach employs

the entire joint observables space
⊕j 6=k

j,k (Fj ,Fk) from

the joint theoretical expression Fj
(
z;θj

)
. And we re-

fer to this method as the joint constraint method which

is illustrated in Fig. 1. All observational data consti-

tute a set M with its topological structure σ = {∅,M}
becoming a topological manifold M. Firstly, consider

an observable curve Γ(θ) on the manifold γ : R 7→ M
with the parameters θ = {H0,Ωm0, σ8 . . . } that can be

mapped to an Euclidean space by a composite mapping

T = ϕ◦γ : R 7→ R into the joint observables space. Sec-

ondly, with prior knowledge P (θ), Bayes’ theorem yields

the posterior as P (θ | Hobs) = f ◦ ϕ−1.

For application in practice, we provide the algebraic

details for the model presented above. At the begin-

ning, we implicitly determine the redshift by taking the

inverse function of the theoretical expression Fj
(
z;θj

)
.

Then, we substitute the inverse function into another

theoretical expression Fk
(
z;θk

)
. For any F (z;θ) = f ,

we can find the inverse function or redshift of this ex-

pression z = F−1 (f ;θ), in the range of function seg-

mentation that satisfies bijection, and we can add these

segmentations together to find the expressions for the

redshift of the entire domain. Since it may be inconve-

nient to directly obtaining the theoretical expressions of

the inverse function, we convert it to a quadratic func-

Figure 1. The construction of the observables space and
parameter inference.

tion by Taylor expansion in a certain range [za, zb] once

F (z;θ) =F (zep;θ) +
F ′ (zep;θ)

1!
(z − zep)

+
F ′′ (zep;θ)

2!
(z − zep)2 +O (z − zep)3 ,

(3)

where the function expands at the expanded point z =

zep and zep ∈ [za, zb]. While the initial and final posi-

tions of the solution interval are given, the number and

width of the interval can be estimated by using the La-

grangian residue of Taylor expansion as we can set the

upper limit of error

P2(z; zep) =
F (3)(ξ1;θ) · (z − zep)3

3!
, (4)

where ξ1 ∈ [min {z, zep} ,max {z, zep}]. Considering

that the redshift is to be substituted into another cos-

mological theoretical expression later, the error of the

expansion function should be much smaller than the

observation error. Specifically, we put forward a more

convenient approach to limiting the upper error limit

of expansion P2(z; zep) ≤
√∑

i (∆θi/θi)
2

where the

∆θi is the one standard deviation of a cosmological pa-

rameter from the Planck catalogue. The Lagrangian

residue should be calculated in χ2 statistic to subtract

the error due to higher order expansion terms. Tak-

ing fσ8(z) as an example, we can calculate the re-

quired number of intervals and the width of each in-

terval. The error comparison between the expansion re-

sult and the original function is shown in Fig. 2 where

P2(z; zep) ≤
√

(∆Ωm0/Ωm0)
2

+ (∆σ8/σ8)
2 ≈ 1.721 and

we set the parameters Ωm0 = 0.315, λ = 1.3, σ8 = 0.811,

γ = 0.78, β = 1.03 at different redshift z from 0 to 4.
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Figure 2. The relative errors in the Taylor expansion of
fσ8 vary with redshift z, which are colored corresponding to
each expansion point zep respectively.

Once we have the inverse function class z̃j =

F−1j
(
f̃j ;θ

j
)

of the redshift in Fj
(
z;θj

)
where f̃j =⋃

j {fj} is the codomain of Fj
(
z;θj

)
, then we

can substitute it into another theoretical expression

Fk
(
z;θk

)
to eradicate the redshift

(
Fk ◦ F−1j

) (
f̃j

)
=

Fk
(
F−1j

(
f̃j ;θ

j
)

;θk
)

, where k and j are the labels on

the function F which means that the cosmology parame-

ter θ can be in some cases the same, such as H(H0,Ωm0)

and DA(H0,Ωm0), but they belong to distinct cosmol-

ogy functions. Considering the completeness of the ob-

servables space, it is necessary to invert the redshift z̃k

in Fk
(
z;θk

)
and substitute it into Fj

(
z;θj

)
so that

the errors of all observables can be utilized. In order

to express the above inverse solution process simply, we

introduce the anticommutation notation{
Fj
(
z;θj

)
,Fk

(
z;θk

)}
f̃

= Fj
(
F−1k

(
f̃k;θk

)
;θj
)

+ Fk
(
F−1j

(
f̃j ;θ

j
)

;θk
)
.

(5)

Similarly, we have the commutation notation[
Fj
(
z;θj

)
,Fk

(
z;θk

)]
f̃

= Fj
(
F−1k

(
f̃k;θk

)
;θj
)

−Fk
(
F−1j

(
f̃j ;θ

j
)

;θk
)
.

(6)

Therefore, the totally joint observables space can be

expressed as

V joint
obs =

j 6=k⊕
j,k

(
Fj
(
θj
)
,Fk

(
F−1j

(
f̃j ;θ

j
)

;θk
))

, (7)

where, we let the labels j and k start from 1, scilicet

j = 1, 2, · · · ,M . Therefore, the totally joint observables

space’s model, also regarded as the algebra, can be ex-

pressed as

T
(
V joint
obs

)
=
⊕
j>k>1

{
Fj
(
z;θj

)
,Fk

(
z;θk

)}
f̃
, (8)

which is the generator of the theoretical cosmology pa-

rameters in the χ2 statistic shown in Eq. (1). Moreover,

the number of the anticommutation notation can be cal-

culated from the expression Γ(M + 1)/Γ(M − 1) where

Γ(M) is the Gamma function. As we know, if there is

only one observation, it can not be joint, the number is

zero. As we mentioned earlier, this model has a “model

error” σmod,j,k at each fk due to the existence of the

expanded higher-order terms

σ2
mod,j,k =

∂Fj
(
F−1k

(
fk;θk

)
;θj
)

∂F−1k
(
fk;θk

)
2

σ2
F−1

k (fk;θk),

(9)

with

σ2
F−1

k (fk;θk) =

∂F−1k
(
fk;θk

)
∂fk

2 (
P2(fk; f̃k,l)

)2
[
F ′k
(
ξ2;θk

)]6 ,
(10)

where f̃k,ep is the element of the codomain f̃k corre-

sponding to zep and ξ2 ∈ [min {z, zep} ,max {z, zep}].
Hence, the total error in Eq. (1) is changed to σ2

j,k =

σ2
mod,j,k + σ2

obs,j,k.

In this work, we employ a three-dimensional model

(H(z), fσ8(z), DA(z)) comprised of the Hubble expan-

sion rate H(z) describing the expansion history, the

growth rate fσ8(z) describing the growth history of the

universe and the angular diameter distance DA(z) de-

scribing the scale of the object in the universe to verify

this method. One can make an inspiration from the ex-

pansion history, the growth history, and the scale of the

object in the universe with the three-dimensional model.

Besides, the theoretical formulations of H(z), fσ8(z)

and DA(z) are enlightening in mathematics. H(z) is

monotonic over the entire domain interval, and the in-

verse of its redshift can be readily solved. fσ8(z) is

not monotonic over the entire domain interval with non-

integer powers of expression, and the inverse of its red-

shift should be solved by Taylor expansion. DA(z) is also

not monotonic over the entire domain interval with an

integral term of expression, and the inverse of its redshift

should be solved by Taylor expansion considering com-

plex special functions in real number space. These three

expressions contain most of the mathematical forms of

cosmologically theoretical expressions.

Our choice of a three-dimensional model is not only

motivated by the fundamental importance of the chosen



5

observables but also by the potential for extension to

higher dimensions. By demonstrating the effectiveness

of the proposed method on a three-dimensional model,

we provide a foundation for its application to more com-

plex higher-dimensional models.

3. THE SIMULATED AND RECONSTRUCTED

DATA

To validate the efficacy of our joint constraint method

and assess its capacity to constrain parameters of the

cosmological model, we apply it to a set of care-

fully simulated data. Whereupon, we generate the

mock data F (z;θ) with inferred parameter values from

Planck 2018 results: Hubble constant H0 = 67.4 ±
0.5 km s−1 Mpc−1, matter density parameter Ωm =

0.315 ± 0.007 and matter fluctuation amplitude σ8 =

0.811 ± 0.006 in the flat ΛCDM model as the cosmic

curvature ΩK = 0.001 ± 0.002 (Planck Collaboration

et al. 2020). These parameters are believed to conform

to the Gaussian distribution. After making Gaussian

sampling, sufficient sampling results, which are to en-

sure that the mean and variance of the sample from the

sampling are as consistent as possible with the Gaus-

sian distribution, are randomly selected and substituted

into theoretical F (z;θ) at different redshifts z, and then

we calculate their mean and variance, which correspond

to the truth value and variance of mock data at dif-

ferent redshifts. We show our sampling and mock re-

sults in Fig. 3. The upper panel: the H(z) uses the

parameter set {H0,Ωm0}, the fσ8(z) uses the parame-

ter set {Ωm0, σ8} and the DA(z) uses the parameter set

{H0,Ωm0}. And for the lower panel: the mock datasets

are obtained from the Gaussian sampling results at each

redshift z which can be judged to conform to the Gaus-

sian distribution using the χ2 goodness of fit with the

rejection region W =
{
χ2 > χ2

0.95

}
. The three figures

represent the projection of our three-dimensional ob-

servables space in different directions. And, we illustrate

them here in three dimensions and project them onto

the corresponding coordinate plane in Fig. 4. This fig-

ure also illustrates our processing ideas for various types

of observation data: first, a high-dimensional curve with

an error bar is formed and then projected onto the cor-

responding two-dimensional plane for easy processing.

Subsequently, considering that some current observa-

tions cannot measure the redshift and no observation

can observe all the observed space V joint
obs for a certain

object at the same time, we regard the reconstructed

results of different observables and data at different red-

shifts in the same range as the “real” observational data.

We consider the total observation atlas to be the most

informative H(Fobs) = −
∑N
i=1 p (Fi,obs) log p (Fi,obs)

(Shannon & Weaver 1949; Shannon et al. 1950) and it

is not possible to increase the quantity of information

we can use through specific selection and combination

of observational data. Predictions beyond present ob-

servational data are also inaccurate because we can not

know what the observational results of the next obser-

vation will be.

Besides, the different segments of the same observa-

tional dataset cause the the difference in the results of

the parameter constraints. This is a pragmatic issue.

Occasionally, our observations can not completely pro-

vide enough observational data to cover the whole the-

oretical curve and only give partial redshift interval re-

sults. For a non-monotonic theoretical curve such as

fσ8(z), the transition point of its monotonic variation

is very sensitive to constraining cosmological parame-

ters, so the observation near the transition point is very

important. We illustrate the theoretical curve of fσ8(z)

in Fig. 5 and transition point curve of fσ8(z) in Fig. 6

by setting the parameters λ = 1.3, σ8 = 0.811, γ = 0.78

and β = 1.03. Then, consider an extreme case where

we use the parameter settings λ = 1.3, σ8 = 0.811,

γ = 0.78, β = 1.03, Ωm0 = 0.315 and σ8 = 0.811

here, but set the observational error to zero and gen-

erate new mock data with redshift z ∈ [0, 4], which we

name this dataset extreme-data to distinguish it from

the previous mock data. In this manner, when we use

the extreme-data to constrain cosmological parameters,

we are not affected by error variations. The results of

the parameter constraints are shown in Fig. 7. We can

find that there are minor differences between the cosmo-

logical parameter constraints of the complete extreme-

data set and those of the piecewise extreme-data set,

but the parameters exhibit clear degeneracies. After

considering the piecewise extreme-data with the tran-

sition point, the parameter degeneracies are attenuated

compared with other segments. So we should have an

observation that can obtain as much cosmological infor-

mation about the same object as possible to cancel out

the effect caused by the different redshift intervals, such

as the transition points of fσ8(z) and DA.

After evaluating the aforementioned factors, we

choose z ∈ [0.11, 1.944] as the redshift range and we

have the sufficient observational data points containing

the transition points. We use a nonparametric approach

for reconstructing functions from observational data us-

ing an Artificial Neural Network (ANN) called Recon-

struct Functions with ANN (ReFANN) (Wang et al.

2020a). One can estimate the optimal hyperparame-

ters selected before using ANN for the reconstruction of

functions, such as the optimal number of hidden layers
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(a) (b) (c)

(d) (e) (f)

Figure 3. The Gaussian sampling results of (a) Hubble constant H0, (b) matter density parameter Ωm0 as well as (c) matter
fluctuation amplitude σ8 and the joint mock datasets of (d) (H(z), fσ8(z)), (e) (fσ8(z), DA(z)), and (f) (H(z), DA(z)).

and the number of neurons in the hidden layer, based

on the minimize the risk (Wasserman et al. 2001) or the

Bayesian optimization (Snoek et al. 2012). The observa-

tional datasets of H(z), fσ8(z) and DA(z) are enumer-
ated in Table. 1, Table. 2 and Table. 3, respectively.

We conduct hyperparameter tuning for different observ-

ables with mock datasets respectively to find the optimal

number of hidden layers and the number of neurons in

the hidden layer, and our results are shown in Fig. 8. In

Fig. 8, we set the initial learning rate is 0.01 and it de-

creases with the number of iterations set to 30000 which

is large enough to assure the loss function on longer de-

creases. At the same time, we use the Exponential Lin-

ear Unit (ELU) as the activation function to optimize

H(z) and DA(z) and use the LogSigmoid as the activa-

tion function to optimize fσ8(z). Furthermore, all the

activation functions contain no batch normalization and

the batch size is specified at half the number of the mock

data. In Fig. 8 for the left panel: the optimal number

of hidden layers is obtained from the average risk of the

model for network structure. And for the right panel:

the optimal number of neurons in the network with an

optimized hidden layer. Using the optimized neural net-

work, we reconstruct the three observables H(z), fσ8(z)

and DA(z) in redshift z ∈ [0.11, 1.944]. We show our re-

sults of reconstructed functions in Fig. 9.

4. RESULT AND DISCUSSION

In this section, we present the results obtained us-

ing our joint constraint method, as well as some dis-

cussion and extension of our method. We assume the

priors H0 ∈ [0, 100], Ωm0 ∈ [0, 1] and σ8 ∈ [0, 1] to con-

strain cosmological parameters with mock data and re-

constructed data via our model T
(
V joint
obs

)
in Markov

chain Monte Carlo (MCMC) respectively. Here, we

use the Python implementation of the affine-invariant

ensemble sampler for Markov chain Monte Carlo (em-

cee) to obtain the estimated posterior (Foreman-Mackey

et al. 2013). The posteriors of mock data and re-

constructed data are shown in Fig. 10. With mock
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Figure 4. Observable curves in 3D (H, fσ8, DA) space and
2D projections respectively. Data points and errors are sim-
ulated based on a fiducial flat ΛCDM model assuming the
Planck 2018 cosmological parameters.
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Figure 5. The theoretical curves of fσ8(z) vary with red-
shift z from 0 to 4, which are colored corresponding to
Ωm0 = 0.1, 0.2, 0.3, 0.4, 0.5, 0.6 respectively.

data using our joint constraint method, we find H0 =

67.40 ± 0.02 km s−1 Mpc−1, Ωm0 = 0.3150 ± 0.0004,

σ8 = 0.8110 ± 0.0007. With observational data us-

ing our joint constraint method, we find H0 = 68.7 ±
0.1 km s−1 Mpc−1, Ωm0 = 0.289 ± 0.003, σ8 = 0.82 ±
0.01. With observational data using the traditional com-

bined method, we find H0 = 69.8± 0.6 km s−1 Mpc−1,

Ωm0 = 0.25± 0.01, σ8 = 0.86± 0.03.

To our knowledge, the study reported here is the lat-

est joint method to constrain cosmological parameters

from multiple observables spanning in M -dimensional

joint space. Since we make full use of the observational

data, the errors of our inferential results are lower than

Transition point at
dfσ8 (z)

dz
=0

0.0 0.2 0.4 0.6 0.8 1.0

-1.0

-0.5

0.0

0.5

1.0

1.5

2.0

Ωm0

z t
p

Figure 6. The transition point curve of fσ8 as a function
of matter density parameter Ωm0 from 0 to 1.

Table 1. The compiled independent DA(z) dataset.

Redshift z DA(z)∗ ± 1σ error References

0.11 258.31± 13.71 de Carvalho et al. (2021)

0.35 1037± 44 Hemantha et al. (2014)

0.35 1050± 38 Xu et al. (2013)

0.38 1090.90± 18.13 Alam et al. (2021)

0.44 1205± 114 Blake et al. (2012)

0.51 1302.02± 20.47 Alam et al. (2021)

0.57 1408± 45 Samushia et al. (2014)

0.57 2190± 61 Reid et al. (2012)

0.57 1380± 23 Samushia et al. (2014)

0.6 1380± 95 Blake et al. (2012)

0.64 2418± 73 Patej & Eisenstein (2018)

0.698 1473.23± 25.04 Bautista et al. (2021)

0.7 1546.05± 28.57 Alam et al. (2021)

0.72 1466.5± 136.6 Icaza-Lizaola et al. (2020)

0.73 1534± 107 Blake et al. (2012)

0.77 1573.39± 31.72 Wang et al. (2020b)

0.835 1521.85± 41.02 Abbott et al. (2022)

1.48 1826.50± 52.42 Hou et al. (2021)

1.48 1821.11± 47.47 Alam et al. (2021)

1.52 1850.0± 102.5 Zarrouk et al. (2018)

1.52 1850± 110 Gil-Maŕın et al. (2018)

2.33 1661.63± 83.97 Alam et al. (2021)

2.33 1648.37± 75.13 Alam et al. (2021)

2.34 1650.18± 82.05 de Sainte Agathe et al. (2019)

2.35 1596.44± 79.16 Blomqvist et al. (2019)

2.36 1590± 60 Font-Ribera et al. (2014)

Note— * DA(z) are in the unit of Mpc.

that of traditional combined method and also break the

parametric degeneracies to some extent. Moreover, our
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(a) (b)

(c) (d)

Figure 7. The 68%, 95%, 99% confidence regions of the joint and marginal posterior probability distributions of Ωm0 and σ8

that is estimated from parameter constraint with (a) the total mock data z ∈ [0, 4], (b) the part mock data ordering before the
before the transition point z ∈ [0, zep], (c) the part mock data containing the transition point z ∈ [0.2, 0.6], as well as (d) the
part mock data ordering after the transition point z ∈ [3.6, 4].

method requires fewer observational data when the re-

sults are nearly identical to those constrained by the

traditional combined method because we project one

observational point onto a pair of observational surface

using Eq. (5) Fk,obs
T7→ (Fi,k,obs,Fj,k,obs) which the

observational information can be used more completely

with observational error σ2
k,obs = σ2

i,k,obs + σ2
j,k,obs un-

der Cartesian coordinate system. We show our results

of this in Fig. 11. With ten mock data points us-

ing our joint constraint method, we find H0 = 68.0 ±
0.9 km s−1 Mpc−1, Ωm0 = 0.31 ± 0.02, σ8 = 0.78 ±
0.03. With fifteen observational data points, we find

H0 = 68.1+0.8
−0.7 km s−1 Mpc−1, Ωm0 = 0.32± 0.01, σ8 =

0.77± 0.02. With twenty observational data points, we

find H0 = 68.3±0.6 km s−1 Mpc−1, Ωm0 = 0.32±0.01,

σ8 = 0.76± 0.01.

Our methodology can also be applied to these circum-

stances. For some observations where the redshift errors

can be measured, our method can be extended to include

the observational information of redshift with error. One

can modify the Eq. (8) to the following expression

T
(
V joint
obs

)
=
⊕
j>k>1

{
Fj
(
z;θj

)
,Fk

(
z;θk

)}
f̃

+
1

2

⊕
j>1

{
Fj
(
z;θj

)
,Fj

(
z;θj

)}
f̃

+
1

2

⊕
j>1

{
F−1j

(
z;θj

)
,F−1j

(
z;θj

)}
f̃
,

(11)

and the error calculation can be modified correspond-

ingly. Additionally, if there is no redshift observational

error and one wishes to use the information of redshift,
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(a)

(b)

(c)

Figure 8. The optimized hyperparameters of a network in reconstructing observable with the number of hidden layers Nhl and
the number of neurons Nne for (a) Hubble expansion rate H(z), Nhl = 1, Nne = 512, (b) growth history of the universe fσ8(z),
Nhl = 1, Nne = 128, as well as (c) the angular diameter distance DA(z), Nhl = 1, Nne = 128.

one can use the following expression

T
(
V joint
obs

)
=
⊕
j>k>1

{
Fj
(
z;θj

)
,Fk

(
z;θk

)}
f̃

+
1

2

⊕
j>1

{
Fj
(
z;θj

)
,Fj

(
z;θj

)}
f̃
,

(12)

and the error calculation can be modified correspond-

ingly. In addition, our joint constraint method can also

be transformed into the form of a traditional combined

method to constrain cosmological parameters. One can

modify the Eq. (8) to the following expression

T
(
V combined
obs

)
=

1

2

⊕
j>1

{
Fj
(
z;θj

)
,Fj

(
z;θj

)}
f̃
, (13)
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(a) (b) (c)

Figure 9. The reconstructed functions of (a) H(z), (b) fσ8(z), and (c) DA(z) labelled by the black solid lines and the
corresponding 1σ error with neural networks that have one hidden layer shown by the blue error areas. The yellow dots with
black error bars represent the observational data, the red dashed lines with orange error areas correspond to the fiducial flat
ΛCDM models {H(z), fσ8(z), DA(z)} with parameters {H0,Ωm0, σ8} inferred from Planck 2018 results respectively.

(a) (b) (c)

Figure 10. The 68%, 95%, 99% confidence regions of the joint and marginal posterior probability distributions of H0, Ωm0

and σ8 that is estimated from (a) our joint constraint method with the mock data, (b) observational data, as well as (c) the
traditional combined method with observational data.

and the error calculation can also be modified corre-

spondingly. The verification results of parameter con-

straint of expressions 11, 12 and 13 are shown in Fig.

12 respectively. We utilize the mock data generated in

Section. 3, but the difference is that we need to discuss

the error of redshift, so we need to generate the error of

redshift corresponding to each data point through sim-

ulation. We use error transfer to calculate the error of

redshift σz̃j

σz̃j =

D∑
i

∂F−1j
(
f̃j ;θ

j
)

∂θji
σθji

2

. (14)

With mock data, we find that for joint constraint

method that use redshift information and have redshift

error σz̃j : H0 = 67.31 ± 0.05 km s−1 Mpc−1, Ωm0 =

0.3152± 0.0006, σ8 = 0.8110± 0.0006 which correspond

to expression 11. We find that for the joint constraint

method, which uses redshift information but has no red-

shift error σz̃j : H0 = 68.9± 0.1 km s−1 Mpc−1, Ωm0 =

0.302±0.001, σ8 = 0.8137±0.0003 which correspond to

expression 12. We find that for combined method that

do not use redshift: H0 = 67.6 ± 0.2 km s−1 Mpc−1,

Ωm0 = 0.315 ± 0.002, σ8 = 0.812 ± 0.001 which corre-

spond to expression 13.

There are several areas in which our method could

be improved. Firstly, we encounter some theoretical ex-

pressions, such as fσ8(z), which cannot be explicitly

obtained as an inverse function of redshift. As a com-

promise solution, we use the segmentally functional ex-

pansions shown in Eq. (3), to find the inverse functions,

which increases the complexity of our model. Therefore,
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(a) (b) (c)

Figure 11. The 68%, 95%, 99% confidence regions of the joint and marginal posterior probability distributions of H0, Ωm0

and σ8 that is estimated from our joint constraint method (a) with 10 points in the observational data, (b) with 15 points in
the observational data, as well as (c) with 20 points in the observational data.

(a) (b) (c)

Figure 12. The 68%, 95%, 99% confidence regions of the joint and marginal posterior probability distributions of H0, Ωm0

and σ8 that is estimated from our joint constraint method (a) with redshift and redshift error, (b) with redshift but no redshift
error, as well as (c) the traditional combined method without redshift.

it is necessary to explore more efficient methods that can

handle such expressions with greater ease. Secondly, we

use reconstruction to align the redshift of each observ-

able quantity and generate the observational data, so

how well the reconstruction is done directly impacts our

final results of constraining cosmological parameters. As

mentioned previously, using the reconstructed method

to generate data is now a necessary because no obser-

vations can capture all the quantities containing cosmo-

logical information. And we should find a method that

can effectively estimate the variability of the quantity

of information in the process of reconstruction, which

means that the result of reconstruction has the same

equivalent amount of information to the observational

data. Thirdly, when we use different “move” that is

an algorithm for updating the coordinates of walkers

in an ensemble sampler based on the current set of co-

ordinates in a manner that satisfies detailed balance.

In most instances, the update for each walker is based

on the coordinates of the complementary ensemble of

walkers. Therefore, we discuss the effect of different

“move”s on the errors of the parameter constraints. We

use three different “move”s: (1) StretchMove as the de-

fault for emcee (Goodman & Weare 2010), (2) DEMove

as runnable under emcee (Nelson et al. 2014), and (3)

DESnookerMove as runnable under emcee (ter Braak &

Vrugt 2008). This can be used to get a more efficient

sampler for models where the stretch move is not well

suited, such as high-dimensional or multi-modal proba-

bility surfaces. We use the H(z) side of the mock data

generated in Section. 2 for the test, and we listed the

results of H0 in Table. 4. As can be seen in the ta-
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Table 2. The compiled independent fσ8(z) dataset.

z fσ8(z) References

0.067 0.420± 0.060 Beutler et al. (2012)

0.02 0.428± 0.0465 Huterer et al. (2017)

0.02 0.398± 0.065 Turnbull et al. (2012)

0.02 0.314± 0.048 Hudson & Turnbull (2012)

0.10 0.370± 0.130 Feix et al. (2015)

0.15 0.490± 0.145 Howlett et al. (2015)

0.15 0.530± 0.160 Alam et al. (2021)

0.17 0.510± 0.060 Song & Percival (2009)

0.18 0.360± 0.090 Blake et al. (2013)

0.22 0.420± 0.070 Blake et al. (2011)

0.25 0.3512± 0.0583 Samushia et al. (2012)

0.32 0.384± 0.095 Sanchez et al. (2014)

0.37 0.4602± 0.0378 Samushia et al. (2012)

0.38 0.440± 0.060 Blake et al. (2013)

0.38 0.500± 0.047 Alam et al. (2021)

0.41 0.450± 0.040 Blake et al. (2011)

0.44 0.413± 0.080 Blake et al. (2012)

0.51 0.455± 0.039 Alam et al. (2021)

0.51 0.458± 0.038 Alam et al. (2017)

0.57 0.441± 0.044 Samushia et al. (2014)

0.57 0.447± 0.028 Samushia et al. (2014)

0.59 0.488± 0.060 Chuang et al. (2016)

0.60 0.390± 0.063 Blake et al. (2012)

0.60 0.550± 0.120 Pezzotta et al. (2017)

0.60 0.430± 0.040 Blake et al. (2011)

0.61 0.436± 0.034 Alam et al. (2017)

0.698 0.473± 0.044 Bautista et al. (2021)

0.70 0.448± 0.043 Alam et al. (2021)

0.72 0.454± 0.139 Icaza-Lizaola et al. (2020)

0.73 0.437± 0.072 Blake et al. (2012)

0.77 0.490± 0.180 Guzzo et al. (2008)

0.78 0.380± 0.080 Blake et al. (2011)

0.80 0.470± 0.080 Rota et al. (2017)

0.85 0.315± 0.095 Alam et al. (2021)

0.85 0.289± 0.091 de Mattia et al. (2021)

0.86 0.400± 0.110 Pezzotta et al. (2017)

0.978 0.379± 0.176 Zhao et al. (2019)

1.23 0.385± 0.099 Zhao et al. (2019)

1.40 0.482± 0.116 Okumura et al. (2016)

1.48 0.462± 0.045 Alam et al. (2021)

1.48 0.476± 0.047 Neveux et al. (2020)

1.52 0.420± 0.076 Gil-Maŕın et al. (2018)

1.52 0.396± 0.079 Hou et al. (2018)

1.526 0.342± 0.070 Zhao et al. (2019)

1.944 0.364± 0.106 Zhao et al. (2019)

Table 3. The compiled independent H(z) dataset.

z H(z)∗ References

0.07 69± 19.6 Zhang et al. (2014)

0.1 69± 12 Simon et al. (2005)

0.12 68.6± 26.2 Zhang et al. (2014)

0.17 83± 8 Simon et al. (2005)

0.1791 75± 5 Moresco et al. (2012)

0.1993 75± 5 Moresco et al. (2012)

0.2 72.9± 29.6 Zhang et al. (2014)

0.24 82.37± 3.94 Gaztañaga et al. (2009)

0.27 77± 14 Simon et al. (2005)

0.28 88.8± 36.6 Zhang et al. (2014)

0.3 78.83± 6.58 Oka et al. (2014)

0.31 78.39± 5.46 Wang et al. (2017)

0.35 88.10± 9.45 Chuang & Wang (2013)

0.3519 83± 14 Moresco et al. (2012)

0.36 79.93± 3.39 Wang et al. (2017)

0.38 81.5± 1.8 Alam et al. (2017)

0.3802 83± 13.5 Moresco et al. (2016)

0.4 95± 17 Simon et al. (2005)

0.4004 77± 10.2 Moresco et al. (2016)

0.4247 87.1± 11.2 Moresco et al. (2016)

0.43 86.45± 3.68 Gaztañaga et al. (2009)

0.44 82.6± 7.8 Blake et al. (2012)

0.4497 92.8± 12.9 Moresco et al. (2016)

0.47 89± 67 Ratsimbazafy et al. (2017)

0.4783 80.9± 9 Moresco et al. (2016)

0.48 97± 62 Stern et al. (2010)

0.51 90.4± 1.9 Alam et al. (2017)

0.52 94.35± 2.65 Wang et al. (2017)

0.56 93.33± 2.32 Wang et al. (2017)

0.57 92.9± 7.8 Anderson et al. (2014)

0.59 98.48± 3.19 Wang et al. (2017)

0.5929 104± 13 Moresco et al. (2012)

0.6 87.9± 6.1 Blake et al. (2012)

0.61 97.3± 2.1 Alam et al. (2017)

0.64 98.82± 2.99 Wang et al. (2017)

0.6797 92± 8 Moresco et al. (2012)

0.73 97.3± 7 Blake et al. (2012)

0.7812 105± 12 Moresco et al. (2012)

0.8 113.1± 15.1 Jiao et al. (2023)

0.8754 125± 17 Moresco et al. (2012)

0.88 90± 40 Stern et al. (2010)

0.9 117± 23 Simon et al. (2005)

1.037 154± 20 Moresco et al. (2012)

1.3 168± 17 Simon et al. (2005)

1.363 160± 33.6 Moresco (2015)

1.43 177± 18 Simon et al. (2005)

1.53 140± 14 Simon et al. (2005)

1.75 202± 40 Simon et al. (2005)

1.965 186.5± 50.4 Moresco (2015)

2.33 224± 8 Bautista et al. (2017)

2.34 222± 7 Delubac et al. (2015)

2.36 226± 8 Font-Ribera et al. (2014)

Note— * H(z) in the unit of km s−1 Mpc−1.
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ble, the error results vary greatly depending on which

of the various ”move” modes is selected. On balance,

we choose the StretchMove mode of “move”. Overall,

addressing these issues can improve the reliability and

accuracy of our model and contribute to advancements

in cosmological research.

5. CONCLUSION

In this paper, we propose a novel joint cosmologi-

cal constraint method that eliminates the redshift by

exploiting the interdependence of multiple observables

from the same object or at the same redshift z. We begin

by validating the efficacy and capacity of the cosmologi-

cal model to constrain parameters with a set of carefully

simulated data. As it is not possible to observe all the

observed space V joint
obs for a certain object at the same

time, we regard the reconstructed observables and data

at different redshifts within overlapping redshift range

as the “real” observational data to obtain the results of

our joint constraint method. We summarize our findings

below. (1) Redshift is no longer a mapping correspond-

ing to theoretical and observational values, hence the

uncertainty of data caused by redshift no longer exists.

(2) Comparing with the traditional combined parameter

inference method, our method makes maximum use of

the information in the observational data, thus reduc-

ing the error of the constraint results and having the

advantage of breaking the parametric degeneracies to a

certain extent. (3) The precision of our implicit red-

shift system is already very high, and the model error

is significantly less than the data error through calcula-

tion. Consequently, it can be considered that the error

of parameter inference originates from the errors of ob-

servational data and reconstruction. At the same time,

because of the high precision of our system, the model

complexity of our method is significantly greater than

that of the traditional combined model with parameter

constraints. (4) Because we make maximum use of the

observational data by Eq. (5), we can use fewer obser-

vational data to obtain the results of cosmological con-

straints than the traditional method, albeit with larger

errors than in the case of using the whole dataset. (5)

For some observations where the redshift errors can be

measured, our method can be extended to include the

observational information of redshift with error. More-

over, if there is no observational error of redshift, but

one wants to use the information of redshift, our method

still works. In addition, our joint constraint method can

also be degraded to the form of a traditional combined

method to constrain cosmological parameters.

In the future, we plan to find a more concise and ef-

ficient methods to solve the inverse function to reduce

the complexity of our model, with the aim of reducing

the complexity of our model. One such approach is deep

learning, which has shown promise in solving complex

mathematical problems. Furthermore, we intend to con-

sider better methods to directly write an analytical ex-

pression of multiple observables, such as using the gen-

eralized function Λµ (F1,F2, · · · ,FM ) from functional

analysis, which can also save the computational com-

plexity of repeated solutions. Moreover, we also intend

to come up with a way to measure as many observables

of the same object as possible containing cosmological

information such as BAO that both the Hubble expan-

sion parameter and the angular diameter distance at the

same redshift can be obtained in one observation. In this

manner, errors in data reconstruction can be eliminated

and parametric degeneracies can be attenuated, which

we discuss in Section. 3.
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The recent detection of the Geminga PWN by HAWC in the multi-TeV band allows us to infer
precious information about the transport of pairs in the immediate surroundings of the pulsar and
on the spectrum of pairs contributed by a Geminga-like pulsar to the spectrum of pairs in the cosmic
radiation. Moreover, this detection allows us to address the issue of how typical are the so-called
TeV halos associated to PWNe. Our calculations confirm the need to have suppressed diffusion in a
region of at least 20−50 pc around the pulsar, and are used here to infer precious constraints on the
spectrum of pairs accelerated at the termination shock: more specifically, we discuss the conditions
under which such a spectrum is consistent with that typically expected in a PWN and how it gets
modified once it escapes the halo. Finally, we discuss the implications of the existence of a TeV halo
around Geminga in terms of acceleration of protons in the pulsar environment, a topic of profound
relevance for the whole field of particle acceleration and physics of pulsars.

I. INTRODUCTION

The detection of an extended TeV γ-ray emission around the Geminga and Monogem pulsar wind nebulae (PWNe)
by HAWC [1] and Milagro [2] has opened many new questions with potentially crucial impact on our understanding
of cosmic ray (CR) transport and the origin of CR positrons [3].

In particular, HAWC confirmed the detection of a region of∼ 2◦ around Geminga (corresponding to∼ 10s of parsecs)
in the 5-40 TeV γ-ray energy range. This emission is believed to be the result of inverse Compton scattering (ICS)
of e± pairs accelerated at the PWN termination shock and released into the interstellar medium (ISM). Surprisingly,
this interpretation requires that the diffusive transport of the pairs in the region of 20 − 100 pc around the PWN
occurs with a diffusion coefficient about two to three orders of magnitude lower than the average Galactic one, as
inferred from measurements of cosmic ray nuclei [4, 5]. Alternative explanations, attempting to avoid small diffusion
coefficients, have also been proposed: In [6], a combination of ballistic and diffusive propagation was adopted to
account for the observed size and TeV emission features. This explanation was questioned in [7] on energetic grounds
as it would require a conversion efficiency from the pulsar spin-down energy to high energy leptons exceeding 100%. In
ref. [8], it was proposed that the intensity profile of Geminga’s halo may reflect the smallness of the diffusion coefficient
perpendicular to magnetic field lines, if the local field around Geminga happens to point toward the observer. On the
other hand, the unlikely occurrence of such a situation and the fact that these models cannot simultaneously account
for the size and radial symmetry of the TeV halo population have led some authors to question this approach [9]. It
follows that at this time the interpretation of the TeV halos based on suppressed diffusion around PWNe remains the
most plausible.

After the initial discovery, several new objects with similar properties have been found by HAWC and LHAASO
[10]. Recently the observation of a TeV halo around a radio-quiet pulsar was claimed by HAWC [11]. In ref. [12], the
authors pointed out that additional candidate TeV halo sources can be found in existing source catalogues. Moreover,
recent observations of Geminga by H.E.S.S. [13] show the importance of having multiple experiments joining in to
clarify the origin of TeV halos.

The discovery of TeV halos around PWNe raised several questions of the greatest interest: the first being the
physical processes responsible for the reduced diffusivity around PWNe. It is likely that these regions are due to
phenomena associated with either the PWN itself or the parent supernova in which the pulsar originated. Is it
possible that either the escaping pairs or particles accelerated at the forward shock of the parent supernova play a
role in creating turbulence that in turn confines particles for longer times?

Second, if these regions of reduced diffusivity are confirmed and are common around PWNe, what are the impli-
cations in terms of transport of CRs in the Galaxy and more specifically about the production of CR positrons in
PWNe? At present, there are indications that these regions of extended gamma-ray emission around galactic pulsars
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might be rather uncommon, with a rate of occurrence corresponding to ∼ 5 ÷ 10% of the whole pulsar population,
making the origin of this phenomenon even more puzzling [14, 15].

In the literature appeared so far two different hypothesis about the origin of the suppression: confinement due to
outer turbulence, e.g., by the parent supernova remnant (SNR) or self-confinement by the pairs.

The self-confinement of CRs around supernova remnants (SNRs) due to the excitation of both resonant [16–20]
and non-resonant [21, 22] streaming instabilities has been widely investigated in the past few years and is a rather
expected phenomenon. Resonant streaming should, however, be responsible for CR confinement only for energies . 1
TeV and is unlikely to be important at the energies where TeV halos are measured. The non-resonant streaming
instability may on the other hand work for higher energy CRs, provided the CR current is strong enough.

The excitation of a resonant instability due to pairs generated by PWNe was first discussed in [23]. However, in
order to achieve sufficient self-confinement with the resonant streaming instability, the current needs to be spatially
confined in a narrow beam [23, 24], unlikely to resemble the quasi-spherical shape observed in the case of Geminga.
A possibility discussed in [24] is that the pairs propagate in a medium that is not pristine but rather affected by the
turbulence injected through the excitation of instabilities by the more abundant CR hadrons in the parent SNR. This
scenario is hardly distinguishable from the one in which the turbulence is not CR related but rather associated with
the downstream region of the parent SNR shock. Such a situation might be mimicked by adopting by hand a small
correlation length lc of the assigned turbulent field [25], with lc ∼ 1 pc. The transport in the downstream turbulence
was investigated in [26], where the authors found that a Geminga-like halo could in principle arise, although no
turbulence damping was introduced in the calculations.

Notice that in the case of PWNe the non-resonant instability should not be excited as, at first glance, the beam
of pairs produced by the pulsar is expected to be quasi-neutral, so that the net current is vanishingly small. It has
been speculated [27] that the highest energy pairs escape the PWN in a charge separated way, but it is not clear yet
whether the associated electric current may be sufficient to excite the non-resonant instability to the necessary level
to reproduce the suppression in diffusivity and the gamma-ray morphology observed in Geminga.

As mentioned above, the implications of the existence of regions of reduced diffusivity around sources, and more
specifically around PWNe, have profound implications for the origin of CR positrons. The positron excess, discovered
by Pamela [28] and confirmed by FERMI [29], and AMS-02 [30], clearly indicated that sources of primary CR positrons
must exist in the Galaxy. Candidate sources of such positrons abound, from pulsars [31–34] to mature SNRs [35–39]
and dark matter [33, 40], but pulsars are considered to be the most reliable possibility, because there is independent
evidence of the production of pairs in these sources, based on their multi-frequency appearance (e.g.,[41]). The
discovery of TeV halos around PWNe is the most striking evidence that these sources liberate high-energy pairs into
the ISM. The question is then whether the spectrum and fluxes of these pairs are appropriate to describe the positron
flux observed at the Earth [15].

In the discovery paper by the HAWC collaboration [1], it was argued that if the diffusion coefficient inferred around
Geminga were to be assumed to be representative of the diffusion coefficient throughout the Galaxy, then nearby
PWNe such as Geminga could not contribute to the positron flux at the Earth, because of the severe energy losses
and long propagation times. However, the assumption of a small diffusion coefficient in the Galaxy would contradict
observations of secondary nuclei, while a more reasonable starting point is the existence of regions of reduced diffusivity,
as discussed above. In this case, the contribution of nearby PWN may be appreciable [42–45].

In most previous studies of the role of PWNe to the CR positron spectrum at the Earth, the pair spectrum was
assumed to be a simple power law with an index of 1.8− 2.3. with steeper spectra leading to requiring unreasonably
high efficiencies (& 100% of the total spin down power of the pulsar) to fit the data [45].

The spectrum of pairs in PWNe as inferred from multi-frequency observations of different nebulae is a broken power
with a break at lepton energy ∼ 100− 1000 GeV. This more realistic scenario was recently employed in [46] to make
an assessment of the role of PWNe in their bow shock phase to the CR positron flux. While the efficiency required in
this investigation is around 10 − 20%, the slope of the high energy spectrum, ∼ 2.8, is somewhat steeper than what
direct observation of PWNe hint at (∼ 2.3 − 2.5); a finding that was quoted in [46] as a source of tension. Similar
efficiencies were quoted in a recent investigation including the effect of the low diffusivity regions around PWNe [47],
described using a two-zone model with a pure power-law spectrum of pairs from PWNe, with slopes in the range
1.4− 2.2. This study showed that the results are rather sensitive to the size of the halos around PWNe, typically in
the range ∼ 30 − 60 pc [12, 44]. In order to have no significant impact on nuclear secondary to primary ratios, such
as B/C, it was estimated that the halos’ size should not exceed ∼ 50 pc [42].

In the present article, we discuss the issue of the lepton transport in the regions of reduced diffusivity and the
positron contribution to the spectrum measured at the Earth, with some noteworthy advancements with respect to
previous studies: 1) we account for spectra of the pairs at the PWN that are consistent with the observations of
radiation from individual nebulae (broken power laws) and we investigate the role of losses for different sizes of the
halos and different strengths of the magnetic field in the same regions. 2) We calculate the spectrum and morphology
of the gamma-ray emission from the halo around Geminga and how this is affected by the size of the region of reduced
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diffusivity and the strength of the magnetic field. In this way, we estimate the minimum size of the halo compatible
with observations. 3) For the first time, we calculated the contribution of protons extracted from the neutron star
surface and propagated in the region of low diffusivity to the gamma-ray spectrum, a result that will become even
more important when higher energy measurements of the flux will become available. 4) We use a corrected two-zone
model compared to the one adopted in previous investigations: such solutions were erroneously written in a form that
does not conserve the flux at the boundary between the halo and the ordinary ISM [48]. 5) We calculate the effective
spectrum of pairs escaping the halo and injected into the ISM, and find that the escape spectrum is severely affected
by energy losses during transport in the regions of reduced diffusivity. We use this argument to establish contact with
a previous investigation we carried out in [46], suggesting that such modifications are necessary. 6) Finally we used
the correct two-zone model of CR positron transport to estimate the contribution of a Geminga-like nearby PWN to
the CR positron spectrum at the Earth.

The paper is structured as follows: in section II, we discuss the formalism used to describe particle transport in
the region around PWNe and the spectra of pairs and protons contributed by an individual PWN. In section III,
we summarize the main contributions to the gamma-ray emission from both leptons and hadrons. In section IV, we
discuss our results in terms of morphology of the gamma-ray emission, spatially integrated spectrum, role of protons
generated in the PWN and, most important, modification induced by energy losses to the spectrum of pairs escaping
the halo around the PWN and implications for the positron spectrum at the Earth. We summarize and conclude in
section V.

II. PAIR TRANSPORT AROUND PWNE

The number density of electron-positron pairs, n(E, r, t) with energy E, at distance r from the PWN (assumed to
be at r = 0) and at time t is described by the following transport equation:

∂n(E, r, t)

∂t
=

1

r2
∂r[r

2D(E, r)∂rn(E, r, t)] + ∂E [b(E)n(E, r, t)] +Q(E, r, t), (1)

where the first term on the right-hand-side describes diffusion, the second one describes energy losses due to IC (Inverse
Compton) and synchrotron losses with b(E) = −dEdt and Q(E, r, t) denotes the time-dependent release of pairs at the
location of the PWN. At the high energies of interest here, other channels of energy losses, such as ionization and
adiabatic losses can safely be neglected. The geometry of the problem is assumed to be spherically symmetric and
the injection is taken to be as a δ-function in space which is justified given the small spatial extent of the nebula
∼ 0.1 pc [49] with respect to the overall region that we aim at describing, ∼ 50 pc.

In the literature, two different scenarios are considered: a) a spatially constant diffusion coefficient with boundary
at infinity, b) the so-called “two-zone model”, where the diffusion coefficient near the source (region 1) is different
and smaller than the one outside (region 2). Since scenario a) is in conflict with CR nuclei data, all our results are
obtained by adopting scenario b).

In both cases, for the energies we are interested in, the role of energy losses is dominant and the escape of pairs
from the Galaxy, usually modelled in terms of a free escape boundary condition, can be safely neglected. Within this
assumption, the solution of eq. 1 can be found analytically and takes the form:

n(E, r, t) =
1

b(E)

∫ t−tBS

0

dt′ b(E′)Q(E′, t− t′)H(r, E′, t′), (2)

where E′ is obtained by inverting t(E) =
∫ E′

E
dE′′/b(E′′) and corresponds to the initial energy a particle of energy E

had a time t ago because of the energy losses. Note that the integration is carried out over the time that has passed
after the particles were injected t′. So that t′ = t− tBS corresponds to particles injected at tBS and 0 corresponds to
particles that are injected now at time t. The solution is valid for t > tBS.

The radiation fields adopted for the computation of energy losses are the ones from model 2 in [50] which are
parametrized as blackbody or grey body radiation fields consisting of the CMB, an IR, a stellar (optical) and three
UV components. The numerical values of the temperatures and energy densities of the different components can
be found in Table 2 of [50]. These fields are obtained by fitting the ISRF in the solar proximity obtained from the
spatial dependent ISRF model of [51]. The magnetic field to compute the losses due to synchrotron emission is more
uncertain and we leave it as a free parameter of the model as discussed in the next Section. Here, there is a subtle
point to keep in mind: the analytical solution of the transport equation used here (see below) is limited to the case
in which energy losses are the same everywhere in the diffusion model (even in the two zone model of diffusion).
Hence, the value of the magnetic field adopted as a free parameter, which affects synchrotron losses, must be the same
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everywhere. This needs to be kept in mind in the cases in which the magnetic field adopted in the near-source region
is much smaller than the one typically adopted in the Galactic disc.

In eq. 2, we take into account that PWNe inject e±-pairs into the ISM only after they leave the parent SNR, at a
time tBS in which they develop a bowshock structure. This time depends on several parameters such as the pulsar
birth kick velocity and the explosion energy of the parent remnant. To simplify our analysis we fix this parameter to
56 kyr as in [52]. Since we focus on the TeV emission where the loss time is much shorter than the age of Geminga,
the results are basically independent of tBS.

In the case of a spatially constant diffusion coefficient, parametrized as D = D0(E/100 TeV)δ, the functionH(r, E, t)
simply reads:

H(r, E, t) =
1

[4πλ2(E,E′)]3/2
e
− r2

4λ2(E,E′) , (3)

where the loss length λ is defined in such a way that λ2(E,E′) =
∫ E′

E
dE′′D(E′′)

b(E′′) . The quantity λ is the distance

covered by pairs under the action of diffusion and radiative cooling from energy E′ to E.
In the two-zone model, in which the diffusion coefficient rises from a value D0 in the near source region to a value

D1 > D0 at r0, we find the following expression for the H:

H(r, E, t) =

∫ ∞
0

dψ
ξe−ψ

π2λ20[A2(ψ) +B2(ψ)]

{
r−1 sin

(
2
√
ψ r
λ0

)
0 < r < r0

A(ψ)r−1 sin(2
√
ψ rξ
λ0

) +B(ψ)r−1 cos(2
√
ψ rξ
λ0

) r ≥ r0,
(4)

with

A(ψ) = ξ cos (χ) cos (ξχ) + sin (χ) sin (ξχ) +
1

χ

(
1− ξ2

ξ
sin(χ) cos(ξχ)

)
, (5)

and

B(ψ) =
sin (χ)−A(ψ) sin (ξχ)

cos (ξχ)
. (6)

Here we introduced the quantity χ = 2
√
ψ r0
λ0

and λ0 is defined as above, using the diffusion coefficient D0, and

ξ =
√
D0/D1.

This solution was recently derived by [48], where the authors stress that it profoundly differs from a solution [44]
that has been previously used in the literature (see for instance [45, 47]). In particular, the solution of [44] does not
conserve the flux at the boundary between the two zones and is therefore incorrect. However, it is worth emphasizing
that for r0/λ0 →∞ or ξ = 1 both simplify to the usual one zone model solution given in eq. 3. The most prominent
quantitative differences between the solution in Eq. 4 and that of [44] appear when r0 ∼ λ0, which might be a
situation of interest for TeV halos. Additional differences between the two solutions are discussed in more detail in
[48].

The injection term Q(E, t) is modelled following [53, 54] as a continuous injection in time. The observed spectrum
of particles released by PWNe is well described by a broken power law [55]:

Q(E, t) = Q0(t)e−
E

Ec(t)


(
E
Eb

)−γL
E < Eb(

E
Eb

)−γH
E ≥ Eb,

(7)

where typical values for the slopes below and above the break are γL ≈ 1.5 − 1.8 and γH ≈ 2.2 − 2.8, respectively,
and Eb ≈ 100 − 1000 GeV. The cutoff energy Ec(t) is determined by the potential drop of the given pulsar at hand.
Its present-day value can be accurately calculated using the spin-down luminosity, as Ec ' 1.7

√
L36 PeV where L36

is the observed spin-down luminosity today in units of 1036erg/s.
The normalization of the spectrum Q0(t) is provided by the condition that at any given time a fixed fraction η of

the spin-down luminosity L(t) is converted into pairs (or other particles, if any are produced by the pulsar):

ηL(t) =

∫ ∞
Emin

dEEQ(E, t) . (8)

The time dependence of L(t) is assumed to be well described by a situation in which the pulsar spin-down energy
is dissipated via magnetic dipole radiation (braking index of n = 3). The braking index has been measured only in
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young objects, often finding values different from 3, while for Geminga (which is a relatively old pulsar) there are no
available measurements, hence we adopt the reference value of n = 3. We notice that the energy loss time of electrons
and positrons at the energies we are interested in is ∼ 10 kyrs, hence the results depend only weakly on the overall
time evolution of the luminosity and therefore on the braking index.

The spin-down luminosity can then be written as

L(t) = L0
(1 + tage/τ0)2

(1 + t/τ0)2
(9)

where L0 = 3.26 × 1034 erg/s is the measured value today, tage = 342 kyrs is the inferred age and τ0 = 12 kyrs is the
spin-down timescale of Geminga [1].

III. γ−RAY EMISSION FROM PAIRS AND PROTONS

The pairs that leave the PWN into the surrounding ISM produce gamma radiation mainly by ICS the photons of
the Interstellar Radiation Field (ISRF), while X-rays can be produced in the form of synchrotron emission.

For the ICS emission we adopt the formalism introduced in [56], which accounts for both the Thomson and the
Klein-Nishina regimes and the transition between the two. This is especially important in our calculations given the
high energies of the electrons responsible for the gamma-ray emission.

The rate of γ−rays per unit frequency ν of an electron up-scattering an isotropic gray-body distribution with
temperature T can be written as

dNγ
dν dt

=
4e4meκ(kBT )2

~2E2
×
[

z2

2(1− z)
F3(x0) + F4(x0)

]
, (10)

where kB is the Boltzmann constant, ~ the Planck constant, z = hν/Ee, x0 = zmec
2/(4(1 − z)γekBT ), κ the grey

body dilution factor, and F3 and F4 are known functions (see eq. 24 of ref. [56]).
The emissivity from ICS emission by a given distribution of electrons n(E, r, t) is obtained as:

φγ(Eγ , r) =
1

4πd2

∫ Emax

0

dEen(Ee, r, t)
dNγ
hdνdt

(Ee) (11)

with the distance of the source d.
Although the bulk of the gamma-ray emission from the region around the PWN is expected to be produced by

the copious ICS emission from pairs, at least at the highest energies, it is possible that protons extracted from the
neutron star surface may provide a non-negligible contribution, through the production and decays of neutral pions.

The acceleration of protons at the termination shock was discussed by [57], and the possibility that protons and
nuclei may be energized in the magnetosphere of young rapidly spinning neutron stars, and possibly contribute to the
flux of ultra high energy cosmic rays at the Earth, was first put forward in [58, 59].

It is therefore meaningful to ask ourselves if there is a possible gamma-ray signature of accelerated protons to the
TeV gamma-ray emission from the regions around PWNe.

The spectrum of protons (and nuclei) from PWNe is expected to be very hard, mainly depending on the braking
index n, so that, if any effect is to be expected, it should be at high energies.

Clearly protons do not suffer severe energy losses in the region surrounding PWNe, contrary to what happens to
electron-positron pairs, one more reason for expecting their potential contribution to the highest energy gamma ray
emission.

The injection term for protons at the location of the PWN is assumed in the form proposed in [60] and [61]
although we generalized the results to an arbitrary braking index n, which regulates the rate of neutron star spin down
Ω = Ω0(1 + τ/τ0)−1/(n−1) with time. As discussed above, the default case is that of a magnetic dipole corresponding
to n = 3.

Within this model the proton injection spectrum reads:

Qp(Ep, t) = ηpṄGJ(t)δ(Ep − Ec(t)) , (12)

where Ec(t) is the same potential drop as in the case of the pairs at present time, scaling as Ω2, the injection efficiency

of protons is ηp and ṄGJ(t) =
√
L0ce

−1(Ω/Ω0)2 is the Golreich-Julian-density. Here e is the unit charge and L0 the
spin-down luminosity.

The injected spectrum, i.e., the time integral of eq. 12, scales as E−(n−1)/2, recovering the E−1 spectrum of [60]
and [61] for n = 3 and even harder spectra for lower n.
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Since electromagnetic losses are negligible for protons, we solve equation 2 for b(E) = 0, using the same diffusion
coefficient adopted for the transport of pairs. The corresponding solution of the transport equation for protons is
again in the form of eq. 4

np(Ep, r, t) =

∫ ∞
0

dt0Qp(Ep, t0)H(r, Ep, t− t0) , (13)

where now λ0 = 2
√
D(E)t in H(r, Ep, t− t0). Here, we assume that all protons escape the nebula even at t < tBS, so

as to maximize the flux of protons injected by the pulsar. This choice ensures that the obtained flux is the absolute
maximum that one can extract. As we will discuss later, even such an extreme choice leads to a subdominant role of
protons in the Geminga TeV halo.

After escaping the PWN, protons interact with the surrounding ISM gas thereby producing neutral pions, which
in turn decay into gamma rays. The emissivity in the form of gamma radiation is calculated using the formalism
introduced by [62]:

Φγ(Eγ , r) = c nH

∞∫
Eγ

σinel(Ep)np(Ep, r, t)Fγ

(
Eγ
Ep

, Ep

)
dEp
Ep

(14)

where the function Fγ

(
Eγ
Ep
, Ep

)
is provided in [62], nH is the ambient gas number density and σinel(E) is the inelastic

cross section of p-p scattering.
In Sec. IV C, we will discuss the calculations of the gamma-ray emission from pp scattering, using the typical gas

density of the ISM nH = 1 cm−3 and an injection efficiency of protons ηp = 1. Clearly, these conditions provide an
upper limit to the contribution of protons to the gamma-ray emission of the TeV halo around Geminga, since the
efficiency is bound to be smaller than unity and X-ray measurements in the circum-PWN region suggest that the
density of gas might be ∼ 0.01 cm−3 in the immediate vicinity of Geminga [63].

To compute the total γ-ray flux Φγ and compare it with the one measured by HAWC, we integrate over the LOS
and the whole field of view used for the HAWC measurement. The field of view is approximated as a circle of radius
ρmax = 44 pc around Geminga, taken from [1], while the LOS are approximated as being parallel to each other
resulting in

Φγ(E) = 2π

∫ ∞
−d

dl

∫ ρmax

0

dρρφγ(Eγ , ρ, l) , (15)

where we changed from the spherical radius r centered around the pulsar to cylindrical coordinates ρ and l . The
surface brightness measured by HAWC is obtained as the LOS integral of the obtained γ-ray emissivities φγ(Eγ , r),
corresponding to the integral over l in eq. 15.

IV. RESULTS

Given the complexity of the problem and the numerous parameters that are necessary to describe it, we fix the
parameters listed in table I, and we investigate the effect of changing certain parameters, in terms of spatial morphology
and total flux of the gamma-ray emission.

In table I, the source age and distance are chosen following [1]. The break position in the spectrum of pairs released
by the PWN is fixed at the rather high energy of 1 TeV, motivated by the study of [63] where a rather hard spectrum
is found for particles of a few hundred GeV, suggesting that if a break is present it has to be at a rather high energy.
Note however, that the exact break position only affects the efficiency needed to reproduce the HAWC measurements,
with a break at higher energies requiring lower efficiencies.

In table II, we present the different cases that we study in the following together with their values for the high-energy
injection slope, magnetic field, diffusion coefficient, halo size and injection efficiency. We write the diffusion coefficient
in the region around the PWN in multiples of the best-fit value found by HAWC in ref. [1] DHAWC = 3.2 · 1027 cm2/s.
This diffusion coefficient is suppressed by a factor ∼ 1300 compared to the average Galactic diffusion coefficient
obtained from fits to secondary to primary ratios in [4] at 100 TeV energies.

A. Spatial Morphology

The main piece of observation that leads to infer a small diffusion coefficient around the Geminga PWN is the
gamma-ray morphology as measured by HAWC. However, it is important to realize that the strength of the suppression
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tage distance Eb γL γH B D0

342 kyr 250 pc 1000 GeV 1.5 2.5 3µG 3.2 · 1027cm2s−1

TABLE I. Default values for our parameters unless otherwise stated in each scenario they are fixed to these values.

case γH B D0 r0 ε
I 2 3µG DHAWC 50 pc 0.09
II 2 1µG 0.5 ·DHAWC 50 pc 0.04
III 2 6µG 3 ·DHAWC 50 pc 0.26
IV 2 3µG DHAWC 20 pc 0.14
V 2 3µG 10 ·DHAWC 20 pc 0.83
VI 2.3 3µG DHAWC 50 pc 0.20
VII 2.5 3µG DHAWC 50 pc 0.37
VIII 2.3 1µG 0.5 ·DHAWC 50 pc 0.09

TABLE II. Compilation of different parameter combinations discussed in this article.

in the diffusivity depends on other parameters as well, and most important on the strength of the magnetic field in
the same region. In fact, rather than constraining directly the diffusion coefficient, the gamma-ray morphology allows
one to infer the loss length λ50TeV ≈

√
Dτloss, namely the distance covered by electrons of given energy in one loss

time. The loss time is however determined by the magnetic field strength (because of synchrotron losses) and ICS, in
a region where the Klein-Nishina correction is not negligible. Increasing the strength of the magnetic field leads to a
decrease in the loss time, so that larger diffusion coefficients are allowed. The opposite happens when the magnetic
field is decreased.

In order to illustrate this point better, in fig. 1, we show the spatial morphology obtained with different choices for
the magnetic field strength 1, 3, and 6µG and correspondingly different diffusion coefficients, chosen in such a way
as to keep λ50TeV ≈ 11.9 pc, see cases I-III in table II.

It is evident that the three spatial profiles are practically identical and describe well the HAWC observation,
although the diffusion coefficient and the injection efficiencies differ by a factor six in the different cases. For γH = 2
the inferred efficiency values are 0.04, 0.09 and 0.26 with increasing magnetic field strength respectively because larger
magnetic field means larger diffusion coefficient and therefore larger required efficiency.

This degeneracy should be kept in mind when addressing the issue of the physical origin of the suppressed diffusion
based on the region of gamma-ray emission, as changing the magnetic field strength can change the magnitude of the
suppression by a factor of a few.

Fig. 1 also explains why the gamma-ray morphology is only weakly dependent upon the energy dependence of
the diffusion coefficient (for instance Kraichnan versus Kolmogorov scaling) as long as the normalization of D at
∼ 50 TeV remains approximately the same. In the extreme case of no suppression of the diffusion coefficient, the
observed spatial morphology would require a magnetic field of ∼ 100µG, a configuration that cannot be realized since
it would require an efficiency of injection of pairs exceeding unity.

The size r0 of the region where the diffusion coefficient is assumed to be suppressed may also affect the morphology
of the gamma-ray emission. As discussed above, the best fit to the HAWC data requires λ50TeV ≈ 12 pc, so that
as long as r0 � λ50TeV , the size of the region does not change the description of the data, and typical values of r0
ranging from 30 pc to 120 pc have been used in the literature, with no appreciable change in the inferred value of D0.
On the other hand, when r0 and λ50TeV become comparable, the reduced gamma-ray flux may be due to the escape
of particles into the ISM at r0 rather than due to energy losses. As a result the spatial profile becomes only weakly
dependent on the loss length (hence on D0 and B). The effect of this is illustrated by case V, shown in figure 2,
where a similar spatial profile is obtained with r0 = 20 pc and a diffusion coefficient that is 10 times larger than the
best-fit value quoted by HAWC. For comparison, the solution with r0 = 20 pc and with the best-fit value by HAWC,
i.e., D0 = 3.2 · 1027 cm2s−1, case IV, is shown.

Clearly these cases are very different in terms of efficiency of injection of pairs at the PWN: in fact, since the
analytical solution of the problem shows that the emission is roughly degenerate with the ratio η

D , this translates to
an upper limit on D if to reproduce the same spatial profile, when the morphology is dominated by escape rather
than energy losses.

For example, the case shown in fig. 2 requires an efficiency of 80%, Eb = 1 TeV and γH = 2 which is the best case
scenario in terms of efficiency, i.e., the case with the highest normalization at 50 TeV energies, due to a break at high
energy and a hard spectrum above the break. These considerations show that the halo size around Geminga, based
on the TeV data alone, is at least ∼ 20 pc large, as smaller sizes would both fail to reproduce the spatial profile of the
data and require efficiencies above 100%.
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FIG. 1. γ-ray spectrum produced by the released particle spectra for different combinations of B and D in order to keep λ50TeV

constant. The used efficiencies are 0.04, 0.09 and 0.26 with increasing magnetic field strength.
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FIG. 2. γ-ray spectrum for a halo size of 20 pc and the best-fit value of D0 by HAWC and 10 times this value.

B. Total Flux

In addition to the morphology of the gamma-ray emission, its total spectrum, when available, also contains valuable
information on the injection and transport of pairs. In particular, the energy dependence of the gamma-ray flux
constrains the spectrum and production efficiency of pairs at the central PWN.

In the left panel of Fig. 3, we show the predicted gamma-ray spectrum for cases I, VI and VII with different values
of the slope of the injected spectrum, at energies above the break. The corresponding efficiencies are also listed. The
shaded area illustrates the uncertainty in the HAWC observation of the spectrum. Notice that the three curves refer
to cases that fit well the morphology of the gamma-ray emission, but they all provide a rather poor description of the
observed spectrum (see also [64]). The only case that seems to be in sufficiently good agreement with the data is the
one corresponding to γH = 2, which also requires a small efficiency (η = 9%).

In the final stages of preparation of this article, the H.E.S.S. collaboration released new measurements of the
gamma-ray emission from the region of size 1◦ around Geminga [13], an appreciably smaller region than the one
observed by HAWC. These data extended towards lower energies compared with HAWC data. In the right panel
of Fig. 3, we compare the flux measured by H.E.S.S. with our predicted fluxes limited to the same region, for the
different injection slopes quoted above. This preliminary analysis shows that the H.E.S.S. data seem to select steeper
injection slopes, at odds with the HAWC data, although the large systematic uncertainties leave room for consistency
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FIG. 3. γ-ray spectrum produced by the released particle spectra for different injection spectra compared to the HAWC (left
panel) and H.E.S.S. (right panel) measurements. All of them fit the spatial morphology of the HAWC emission around Geminga.

between the two measurements. If taken at face value, H.E.S.S. data can be accommodated in alternative models (see
e.g. [65]).

In the following we will focus on the HAWC data alone and the situation illustrated in the left panel of Fig. 3. The
difficulties discussed above in connection with the cases listed above, are considerably reduced if a low magnetic field
(B ∼ 1µG) in the region surrounding the PWN is adopted. This is illustrated in Fig. 4 for the case of γH = 2, where
the magnetic field is allowed to vary between 1 and 6 µG (cases I-III): as discussed above, low values of the magnetic
field strength imply that small diffusion coefficients must be adopted, but both the morphology and the gamma-ray
flux of the halo are well reproduced if the field is low. The better agreement with the spectrum is due to the fact that
small fields imply less severe energy losses and a correspondingly larger flux of high energy pairs which contribute to
the gamma-ray flux observed by HAWC. In fact, the excellent agreement between the predicted and the measured
spectrum led us to attempt an even larger value of γH . In Fig. 4 we also show case VIII with γH = 2.3 in red, which
is in line with the standard high-energy spectrum of PWNe. Although a slight deficit can be seen at the highest
energies, the spectrum appears to be in good agreement with the HAWC observation, and requires an efficiency
η ∼ 9%. Even smaller values of the magnetic field would not automatically allow for even steeper high-energy spectra
of the pairs, because at some point synchrotron losses become negligible compared to ICS, even after accounting for
the Klein-Nishina suppression in the relevant energy range.

The fact that low magnetic fields and relatively steeper spectra of the pairs seem to provide a better description of
the spectrum of the gamma-ray emission as measured by HAWC also sits well with an independent measurement of
the magnetic field in the region around Geminga, based on X-ray observations, which suggests B ∼ 0.8 µG [66].

C. Protons

As discussed above, the possibility that protons (or nuclei) could be extracted from the surface of a rapidly spinning
neutron star has been discussed several times in the recent literature [57–59, 61], but no clear evidence of this
phenomenon has been found insofar. The injection of protons from the PWN into the region of suppressed diffusivity
would lead to an accumulation of these particles in such a region, with no appreciable energy losses, and lead to
gamma-ray production through inelastic scattering.

As discussed in Sec. IV C, the spectrum of protons can be very hard, so that gamma rays of hadronic origin should
be expected, if any, at the highest energies. The parameter that regulates such a contribution is the product of
efficiency of proton production and gas density, nH , in the region surrounding the PWN. The latter represents the
target for pp collisions.

From the point of view of gamma-ray production in the ∼ 10 TeV energy range, leptons and protons behave in
quite a different way: first, leptons lose energy very quicky, on typical times of order ∼ 16 kyrs, so that only leptons
produced recently by the PWN contribute to the gamma-ray production. On the other hand, protons are simply
accumulated inside the region of reduced diffusivity until they reach the edge of the halo and escape into the ISM.
In this sense, the hadronic contribution to the gamma-ray emission is more sensitive to the size r0 of the halo region
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FIG. 4. γ-ray spectrum produced by the released particle spectra for different magnetic field strengths with γH = 2 and for
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FIG. 5. γ-ray spectrum produced by the released pairs including a hadronic component due to protons with different braking
index n and different halo size r0.

and to the gas density in the same region. Second, the spectrum of leptons and hadrons is quite different, and as
discussed above, the hadronic contribution can only be present at high energies.

In fig. 5, we show the ICS contribution to the gamma-ray spectrum (solid blue curve) for parameter values of case
VII in table II. The total gamma-ray production, including the hadronic contribution is shown in fig. 5 for r0 = 50
pc and two values of the braking index of the pulsar, n = 3 (orange line) and n = 2 (green line). In both cases, the
hadronic contribution appears only at high energies and it is limited to a few percent of the total flux. The fluxes that
include the hadronic contribution should be considered as absolute upper limits in that the efficiency of conversion
of spin-down energy to protons has been maximized to unity. Moreover, the gas density has been assumed to be
nH = 1 cm−3, while the real density might be lower than that, implying a lower contribution to the gamma-ray flux.

Increasing the size r0 of the region of reduced diffusivity results in a longer confinement time of protons and a
correspondingly larger contribution to the total gamma-ray flux (see red curve for r0 = 100 pc and n = 2). Similarly,
reducing the value of the magnetic field in the region results in a lower diffusion coefficient and therefore a larger
hadronic contribution. This effect can amplify the hadronic component by an additional factor of ∼ 2, making steeper
spectra of γH = 2.3 even easier to reconcile with the data.
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D. Escape Flux and Electron-Positron Fraction

One of the main reasons why TeV halos have attracted so much attention is the potentially crucial effect they
may have on the flux of positrons released into the ISM as CRs. Initial reactions to the discovery of the extended
emission around Geminga were based on the assumption that the diffusion coefficient in the Galaxy may be smaller
than deduced based on the measured Secondary/Primary ratios of the flux of nuclei, everywhere in the Galaxy [1]. In
this situation, it would be difficult to expect to receive positrons from PWNe in the form of CRs, and the observed
positron excess would require an alternative explanation. The assumption that the diffusion coefficient is suppressed
everywhere is clearly extreme and not necessary. In fact, it is more natural to expect that regions of suppressed
diffusion may exist near sources [67] for a variety of reasons. One could indeed reverse the argument and interpret the
detection of TeV halos around PWNe as the clearest evidence that PWNe are indeed sources of CR electron-positron
pairs [68].

Even though the suppression of CR diffusivity is a local phenomenon, it may still severely affect the spectrum of
pairs released into the ISM, thereby changing the connection between the positron (and electron) spectra observed at
the Earth and those inferred in PWNe. In fact, this modification might even be required by existing data, as recently
discussed in [46]: the authors find that, in order to reproduce the positron CR spectrum and the positron ratio at
high energies, the best-fit injection spectrum of pairs from PWNe into the ISM (slope ∼ 2.8) is appreciably steeper
than typically found in X-ray and gamma-ray observations of these sources (γH ∼ 2.3− 2.5).

In this section, we explore the possibility that this requirement may reflect the effect of energy losses inside the
regions of suppressed diffusivity. In order to do so, we determine the escape flux from such regions and interpret it
as the effective spectrum injected by the source into the ISM. The calculation is specialized to the region of reduced
diffusivity around the Geminga PWN.

In Fig. 6 we show the spectrum of pairs contributed by the PWN (broken solid blue line), as described by eq. 7,
with γH = 2, and the time-integrated escape flux for different values of r0 and of the magnetic field in the region
around the PWN. The integration in time is carried out from the time when the pulsar leaves the remnant to the
current age of the pulsar. One can see that, depending on the value of the diffusion coefficient and of the halo size,
even after 342 kyrs only a fraction of particles manage to escape the halo. In the considered energy range from 10 GeV
to 10 PeV this fraction is about 20% for r0 = 50 pc and D0 = 3.2 ·1027cm2s−1, meaning that most particles, especially
at lower energies, are still trapped within 50 pc of the source.

The probably most important effect emphasized by Fig. 6 is that the spectrum of pairs is severely affected by
energy losses during the confinement time: the time-integrated escape flux is made steeper at the highest energies by
ICS and synchrotron losses, with a pronounced cutoff at energies much lower than the potential drop of the pulsar.

In the case of low magnetic field strength, B = 1µG, the spectrum of escaped pairs is steeper than what is injected
at the termination shock over at least an order of magnitude in energy. This finding might explain the observation
described above that in order to explain the positron fraction, rather steep spectra released into the ISM with an
average index of 2.8 are needed [46]. Clearly, for these modifications to be attributed to the existence of regions of
small diffusivity around PWNe, it is necessary that TeV halos are a rather generic phenomenon, present around most
PWNe.

At lower energies the spectrum is modified mainly because pairs do not have enough time, within the age of the
pulsar, to escape the region of reduced diffusivity.

Given the close distance to Geminga, it is important to check what would be its contribution for the positron flux
at the location of the Earth, taking into account the effect of energy losses in the TeV halo region. We choose three
cases which fit well the morphology of the TeV emission observed by HAWC and we show the positron flux at Earth
in fig. 7. The adopted halo parameters are listed in the figure.

The fluxes are calculated with the two-zone model assuming a Kolmogorov scaling of the diffusion coefficient and
normalizing it in the ISM to the one found in [4] at 100 TeV. The injection efficiencies for the different cases are
fixed according to the analysis above, to fit the spatial profile and total flux measured by HAWC. It is clear that the
fluxes vary significantly between the different cases, due to the role of energy losses. Although all cases explain the
spatial profile of the TeV γ-ray emission around Geminga, the positron flux at Earth varies by more than one order
of magnitude.

The values obtained for a fixed halo size of 50 pc range from 50% (γH = 2.5) down to 5% (γH = 2, not shown) of
the positron flux at 1 TeV depending on the injection slope. Furthermore, a smaller halo size would favor the escape
of high-energy particles, thereby increasing the positron flux at high energies.
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FIG. 6. Time-integrated escape flux from the halo and injection for different cases of magnetic field B, diffusion coefficient D0

and halo size r0. The injection efficiency for all cases is set to 1 to give a meaningful comparison between the different cases
with the respective injection.
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FIG. 7. Expected contribution from the Geminga PWN to the local positron flux for different cases that fit the spatial
morphology and total flux measured by HAWC.

V. CONCLUSIONS

The recent discovery of the so-called TeV halos, regions of diffuse TeV gamma-ray emission around selected PWNe,
has stimulated a burst of interest in its potential implications mainly in terms of the origin of the positron excess.

An issue that is probably been less appreciated in the community is that of establishing the physical reason for
the existence of regions of suppressed diffusivity and their possible connection with sources of high-energy particles.
The first step in the investigation of this issue is the characterization of these halos, namely the dependence of the
inferred properties on the parameters of the problem, for instance, the size of these regions of reduced diffusivity, the
strength of the magnetic field in such regions and the spectrum of the pairs released by a PWN into the ISM. All
these parameters define both the morphology and the spectrum of the gamma-ray emission, which in turn can be
used to constrain the properties of TeV halos and their origin.

Our investigation confirms that the diffusivity of CRs in the region around Geminga has to be suppressed by a
factor ∼ 1000 [1, 12, 44]. However, we also find that a relatively small halo, of size ∼ 20 pc, may also be compatible
with the observations, while being somewhat less demanding in terms of suppression of the diffusion coefficient.

The spectrum of the observed TeV halo around Geminga seems to require a rather hard injection spectrum of pairs
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in the & 50 TeV energy region, with slope γH ∼ 2, at odds with the spectra that are often adopted and inferred
from multi-frequency observations of PWNe. The exception to this finding is the case in which the magnetic field in
the halo region is low, B ∼ 1µG, which seems to also be consistent with X-ray observations [66]. Such a low field
reduces the effect of energy losses of high energy pairs, thereby allowing for steeper spectra, while requiring relatively
low efficiency, ∼ 9%, in terms of conversion of spin-down luminosity into pairs. However, this case requires a severe
suppression of the diffusion coefficient around Geminga, compatible with the one initially inferred by the HAWC
collaboration [1]. Furthermore, new measurements by H.E.S.S. [13] seem to prefer steeper spectra, which would make
the injected spectrum more similar to the one of other PWNe. However, the large experimental uncertainties make it
difficult to reach a firm conclusion about the slope of the spectrum of pairs injected into the ISM.

We also calculated the gamma-ray flux contributed by a yet speculative proton population of particles extracted
from the neutron star surface. This contribution, which could potentially become relevant at the highest gamma-ray
energies, due to inelastic collisions of protons with energy close to the potential drop of the pulsar, is however found
to be subdominant, representing at most a few percent of the total measured gamma-ray flux. This general conclusion
applies to halos with size . 50 pc and with braking index of the pulsar in the standard range n = 2 − 3. On the
other hand, smaller diffusion coefficients (tied to lower magnetic fields) and/or larger sizes of the region of reduced
diffusivity, r0 ∼ 100 pc, would enhance the role of protons in that they are confined for longer times (proportional to
r20/D) while not losing appreciable energy. Such halo sizes would, however, have rather serious implications in terms
of CR and positron transport at large, since it would imply that almost everywhere in the disc of the Galaxy the
diffusion coefficient is severely suppressed.

One of the reasons why we engaged in this investigation was the recent finding [46] that the spectrum of pairs that
PWNe are required to inject into the ISM to fit the positron spectrum and the positron fraction observed at the Earth
is, at high energies (& 100 GeV), much steeper (∼ 2.8) than the spectrum inferred from multi-frequency observations
of PWNe (∼ 2.3− 2.5). In this sense, the detection of the TeV halo around Geminga was very interesting in that it
guaranteed longer confinement times of pairs around the PWN and correspondingly more severe energy losses that
those suffered during propagation in the Galaxy. In other words, the effective spectrum injected by a PWN into the
ISM would be the spectrum of pairs escaping the region of reduced diffusivity.

The calculation of this effect requires the adoption of a two-zone model, in which the diffusion coefficient is different
within a region of size r0 around the PWN and in the Galaxy at large. We found the existing two-zone model, used
for instance in [44], to be incorrect (the solution does not conserve the particle flux at the boundary between the two
zones). The same mistake together with the corrected version was found in [48] and allows us to infer the appropriate
spectrum of pairs inside the region of reduced diffusivity and the escape spectrum, to be used as an effective injection
spectrum into the ISM. We found that energy losses inside the region of reduced diffusivity severely affect the spectrum
of pairs. For the case with low magnetic field, B ∼ 1µG, the spectrum of pairs escaping into the ISM is steeper than
the one in the PWN over more than one order of magnitude in energy. In addition, the spectrum of pairs injected
into the ISM has a cutoff at energies much lower than the potential drop of the pulsar, as a result of radiative losses
in the region of low diffusion coefficient.

These results show that if these regions exist around most PWNe, the connection between the positron spectrum
observed at the Earth and the one inferred from radiation in individual PWNe is not trivial and needs to take into
account transport in the region of reduced diffusivity.

Clearly, the assessment of this issue and of how common these halos are is also crucial for CR transport at large,
because different models for the origin of the halos reflect in different implications in terms of grammage accumulated
by CRs near sources.

By fixing the overall normalization of the injection spectra to scenarios that explain the spatial morphology and
total flux measured by HAWC, we calculate the expected contribution to the local positron flux by Geminga using the
correct two-zone model [48]. We find that the expected flux varies by more than one order of magnitude depending
both on the spectral properties of the injection and the halo size.

The future detection of more TeV halos and the characterization of such diffuse emission, following the procedure
illustrated here, should provide us with better clues to the origin of the regions of reduced diffusivity and will eventually
result in a better understanding of the positron flux at the Earth and of CR transport in the Galaxy.
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[14] G. Giacinti, A. M. W. Mitchell, R. López-Coto et al., A&A 636, A113 (2020), arXiv:1907.12121 [astro-ph.HE].
[15] P. Martin, A. Marcowith and L. Tibaldo, A&A 665, A132 (2022), arXiv:2206.11803 [astro-ph.HE].
[16] M. A. Malkov, P. H. Diamond, R. Z. Sagdeev et al., ApJ 768, 73 (2013), arXiv:1207.4728 [astro-ph.HE].
[17] M. D’Angelo, P. Blasi and E. Amato, Phys. Rev. D 94, 083003 (2016), arXiv:1512.05000 [astro-ph.HE].
[18] L. Nava, S. Gabici, A. Marcowith et al., MNRAS 461, 3552 (2016), arXiv:1606.06902 [astro-ph.HE].
[19] L. Nava, S. Recchia, S. Gabici et al., MNRAS 484, 2684 (2019), arXiv:1903.03193 [astro-ph.HE].
[20] S. Recchia, D. Galli, L. Nava et al., A&A 660, A57 (2022), arXiv:2106.04948 [astro-ph.HE].
[21] B. Schroer, O. Pezzi, D. Caprioli et al., ApJ 914, L13 (2021), arXiv:2011.02238 [astro-ph.HE].
[22] B. Schroer, O. Pezzi, D. Caprioli et al., MNRAS 512, 233 (2022), arXiv:2202.05814 [astro-ph.HE].
[23] C. Evoli, T. Linden and G. Morlino, Phys. Rev. D 98, 063017 (2018), arXiv:1807.09263 [astro-ph.HE].
[24] P. Mukhopadhyay and T. Linden, arXiv e-prints , arXiv:2111.01143 (2021), arXiv:2111.01143 [astro-ph.HE].
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Chapter 1
Measuring H0 with Spectroscopic Surveys

Mikhail M. Ivanov and Oliver H. E. Philcox

Abstract Galaxy surveys map the three-dimensional distribution of matter in the
Universe, encoding information about both the primordial cosmos and its subse-
quent evolution. By comparing the angular and physical scales of features in the
galaxy distribution, we can compute the physical distance to the sample, and thus
extract the Hubble parameter, H0. In this chapter, we discuss how this is performed
in practice, introducing two key “standard rulers”. The first, the sound horizon at re-
combination, leads to baryon acoustic oscillations, and, by combining with external
data from the CMB or Big Bang Nucleosynthesis, leads to a competitive H0 con-
straint. Information can also be extracted from the physical scale of the horizon at
matter-radiation equality; though somewhat less constraining, this depends on very
different physics and is an important validation test of the physical model. We dis-
cuss how both such constraints can be derived (using “template” and “full-shape”
methodologies), and present a number of recent constraints from the literature, some
of which are comparable in precision to (and independent from) Planck. Finally, we
discuss future prospects for improving these constraints in the future.

1.1 Introduction

Spectroscopic surveys map out the large-scale structure (hereafter LSS) of the Uni-
verse through the distribution of galaxies. By measuring the positions and redshifts
of a wide variety of galaxies, we can build a three-dimensional map of the galaxy
overdensity, which, on comparatively large-scales, traces the underlying density of
dark matter [e.g., 1]. As such, spectroscopic surveys can be used to place constraints
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on physics operating in the early Universe (which set the initial conditions for mat-
ter clustering), and at late times (through the growth of structure). In this chapter,
we will discuss how they can be used to place competitive constraints on the Hubble
parameter, H0.

Since the late 1970s, there have been a wealth of galaxy redshift surveys, with the
current state-of-the-art public data (from the Sloan Digital Sky Survey [2]) contain-
ing around one-million objects in the Northern sky. These are primarily analyzed
through clustering statistics, the simplest of which are the power spectrum, P(k),
or two-point correlation function, ξ (r), encoding the distribution of pairs of objects
on some characteristic scale r or 2π/k (k denotes perturbations’ wavenumber). In
the coming decade the data volume will greatly increase, both due to ground-based
(DESI, and, potentially, others such as MegaMapper) and space-based (SPHEREx,
Euclid, Roman, and Rubin) missions [3, 4, 5, 6, 7, 8]. With increasing survey vol-
ume comes tighter constraints on cosmological parameters; as such, we may expect
to yield sub-percent measurements of the Hubble parameter from a variety of probes
in the near future.

As for the cosmic microwave background (CMB), spectroscopic H0 constraints
arise from the combination of observed and physical scales, through the canon-
ical ‘standard ruler’ mechanism. An important question, therefore, is which scales
should be used. To be an accurate probe of H0, a standard ruler must be: (a) precisely
predicted form theory, and (b) well measured by experiment. In LSS, there are two
candidates: the particle horizon scale at the epoch of matter-radiation equality (at
zeq ≈ 3600) [e.g., 9] and the sound horizon at recombination (strictly, at baryon
drag, zd ≈ 1060) [e.g., 10, 11] Each is straightforward to predict, and leaves de-
tectable signatures in the observed galaxy clustering statistics, primarily (and fortu-
itously) concentrated in the linear regime. Whilst one could concoct other physical
scales (such as that of Silk damping, or dark-energy-matter equality), the above are
the simplest in practice in the context of galaxy surveys.

Mathematically, the directly observed angular size of a feature, ∆θ is related to
the theoretically predicted physical size, r, via

∆θfeature ≡
rfeature

(1+ z)DA(z)
, (1.1)

where DA(z) is the angular diameter distance to the galaxy survey at some redshift
z. If the feature is primordial, rfeature does not depend on physics operating at late
times, however DA(z) does, thus the measurement is not strictly ‘early’ in nature.

Let us use the following heuristic argument to understand where the sensitivity
to H0 comes from. Inserting the form of the angular diameter distance in Eq. (1.1)
and assuming a flat Universe (for simplicity alone), we find

H0 =
∆θfeature

rfeature

∫ z

0

dz′

E(z′)
, (1.2)

where E2(z) = Ωm,0(1+ z)3 +Ωr,0(1+ z)4 +ΩΛ ≡ H2(z)/H2
0 . Eq. (1.2) gives the

rough idea on how the combination of a measured rfeature and an observed ∆θfeature
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yields H0 (given the cosmological expansion history); equivalently, the angular mea-
surements translate (roughly) to constraints on rfeatureH0. In the below, we will dis-
cuss our two possibilities for the standard ruler feature, including their physical ori-
gin and non-linear evolution, and present the various associated H0 measurements,
as well as their limitations and future prospects.1

1.2 Baryon Acoustic Oscillations

1.2.1 Theoretical Background

Prior to recombination, the Universe is filled with a strongly interacting photon-
baryon fluid, pressure-supported against. As with any fluid, this is filled with sound
waves, on some characteristic scale rs, seeded by early Universe inhomogeneities.
As the Universe cools and free electrons combine with protons in recombination,
the fluid decouples (at the baryon drag redshift z ≈ zd ∼ 1060) and the photon-
baryon oscillations cease to propagate, effectively ‘freezing’ the sound waves at the
sound-horizon scale, rs(zd) ≡ rd . During the subsequent evolution of the Universe,
this characteristic inhomogeneity is transferred to the dark matter distribution by
gravitational interactions, yielding an excess of clustering at late-times.

Physically, these features (dubbed ‘baryon acoustic oscillations’, hereafter BAO)
source a peak in the two-point correlation function at r∼ rd , or an oscillatory feature
in the galaxy power spectrum at k ∼ 2π/rd . The precise sound horizon scale can be
computed explicitly:

rs(z) =
∫

∞

z
dz′

cs(z)
H(z′)

, (1.3)

with the sound speed cs ≈ c
[
3+9/4ρb/ργ

]−1/2, where ρb,γ are baryon and photon
densities. All quantities in the above can be estimated precisely given cosmological
parameters (such as those measured by Planck), and are principally sensitive to
the physical baryon density, ωb, since the photon density is strongly constrained
from the CMB monopole. Assuming the Planck ΛCDM cosmology, we find rd ∼
105h−1Mpc, with an approximate cosmology dependence of [12]

rd ≈
55.154exp

[
−72.3(ων ,0 +0.0006)2

]
ω0.25351

m,0 ω0.12807
b,0

Mpc , (1.4)

where ωm,0,ωb,0,ων ,0 denote the current physical densities of matter (i.e. dark mat-
ter + baryons), baryons, and neutrinos.

1 We caution that for the minimal ΛCDM model, and for probes of cosmological fluctuations such
as the CMB and LSS, ΩΛ ,Ωm etc. implicitely depend on H0, so that Eq. (1.2) does not actually
define the Hubble constant.
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Whilst (1.3) accurately predicts the BAO scale at decoupling, various physical
effects could alter its manifestation in the late-time galaxy correlators. Firstly, the
amplitude of oscillatory features decays with time due to bulk flows, i.e. the large-
scale motion of matter in the post-recombination Universe. At late-times, the oscil-
latory part of the linear power spectrum, Posc

L , (which contains the BAO wiggles), is
suppressed according to

Posc
L (k,z)→ e−k2Σ2(z)Posc

L (k,z), (1.5)

Σ 2(z) = 1
6π2

∫
Λ

0 d pPL(p,z)[1− j0(prd)+2 j2(prd)] , (1.6)

where Λ ≈ 0.1hMpc−1 is the IR cutoff scale, j`(x) are spherical Bessel functions
and Σ(z) is BAO damping scales extracted via a systematic theoretical procedure
called IR resummation [13, 14, 15, 16, 17] (also see [18, 19] for early work on the
subject). When extracting the BAO signal from data, it is important to include such
a suppression to avoid biased results. We note that this is not included in simple
parametrizations such as HaloFit.

Secondly, gravitational evolution modulates the clustering of matter at late times,
causing various physical effects such as halo formation, which impact the galaxy
power spectrum. This is important for H0 determination, since non-linear physics
could alter the position of peaks in the galaxy power spectrum, from which the
absolute distance scale is extracted via (1.2). In practice, the effects of this are
small, though not negligible [e.g., 10, 20]. Non-linear effects yield a (cosmology-
dependent)∼ 0.5% shift in the BAO scale whose small amplitude is itself somewhat
of an accident in ΛCDM [16, 17, 21]. In practice, one often marginalizes over non-
linear contributions to the power spectrum, whilst assuming the BAO to be deter-
mined only by linear physics (plus damping) [e.g. 22]. This is sufficiently accurate
for current surveys, but will not suffice in the future.

1.2.2 Extracting the BAO Feature

1.2.2.1 Template Analyses

To infer H0 from the BAO feature, it has become commonplace to use template (or
scaling) analyses, based on the measurement of Alcock-Paczynski parameters [e.g.,
22, 23]. This involves a theoretical templates for the BAO feature, such that the
oscillatory part of the power spectrum (or equivalently correlation function), takes
the form

Pobs(k‖,k⊥) ∝ Ptemplate(k‖/α‖,k⊥/α⊥), (1.7)

where we parametrize the three-dimensional space by k‖,k⊥ (relative to some line-
of-sight direction), where the Alcock-Paczynski parameters are defined as
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α‖ =
Hfid(z)rfid

d
H(z)rd

α⊥ =
DA(z)rfid

d

Dfid
A (z)rd

(1.8)

These encode both the physical BAO scale, rd , and the distance to the galaxy sample,
via DA(z) (tangential) or H(z) (radial, through velocities), and are normalized such
that α‖,⊥ = 1 if the reference cosmology (used to define the templates) matches the
truth. We caution that these parameters assume that the position of the BAO peak is
not altered by non-linear physics.

In practice, one must additionally account for non-oscillatory effects contributing
to the power spectrum, including galaxy bias, the fingers-of-God effect, and redshift-
space distortions. Incorporating these effects (usually via some phenomenological
framework, or with perturbation theory) gives rise to a full theoretical model for
the galaxy power spectrum depending on a number of free parameters, including
α‖,α⊥. Fitting this model to data then yields the best-fit parameters, themselves
encoding H(z)rd and DA(z)/rd . Though these are usually said to be cosmology-
independent, we caution that their estimation does require theoretical modeling to
define the templates. If the templates are far from the truth, or new physics is at
work that alters the BAO features, (1.7) breaks down, thus one cannot extract H0-
dependent quantities directly from the measured Alcock-Paczynski parameters. In
practice, the former effect is small, assuming the background cosmology to be rela-
tively well known.

The output of this procedure is measurements of the cosmological quantities
H(z)rd and DA(z)/rd . Alone, these do not measure H0, due to a perfect H0rd degen-
eracy; practically, they are measuring only the angular size of the BAO feature. As
mentioned above, one requires also the physical size. Combining these constraints
with knowledge of rd , within ΛCDM or some other model (such as early dark en-
ergy), one can break the degeneracy and measure H0 directly. This is usually done
by combining with the CMB [e.g., 22], or with Big Bang Nucleosynthesis probes
[e.g., 24], both of which place strong constraints on ωb, and hence rd . The resulting
constraints on H0 will be discussed in §1.4.

Whilst the above discussion has focused on measuring quantities from the ob-
served galaxy power spectrum, it has become commonplace for survey analyses to
include also data from the “reconstructed” power spectrum [25]. In this instance,
one first performs a catalog-level transformation of the data, effectively ‘undoing’
the large-scale bulk flows which lead to smearing of the BAO feature. This can
be performed robustly, and increases the signal-to-noise of oscillatory features by
reducing the damping given in (1.5). The resulting BAO peak is well described by
(weakly damped) linear theory (although we stress that the underlying physics relies
on approximate cancellations between non-linear contributions), and can be used to
enhance constraints on H(z)rd and DA(z)/rd . At low redshifts (where the damping
is significant), this can bolster constraints by up to ∼ 40%.
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1.2.2.2 Full-Shape Analyses

In the above formalism, the galaxy power spectrum is analyzed using a phenomeno-
logical model, effectively discarding any information besides the BAO feature. An
alternative approach, which has found favor in recent years, is to instead model the
entire power spectrum theoretically (not just the wiggles), from which a range of
cosmological information can be extracted, including H0 [e.g., 26, 27]. This is made
possible via theoretical efforts such as the Effective Field Theory of Large Scale
Structure (hereafter EFT, [e.g., 28, 29, 30, 31, 32]), which provides a first principles
prediction for the galaxy power spectrum, Pgg(k;θ), based on perturbation theory
and symmetry arguments, operating in the linear and mildly non-linear regime. This
depends on a parameter vector θ , which encompasses cosmology, galaxy bias, and
other nuisance parameters. By fitting Pgg(k;θ) to the data directly, we obtain a pos-
terior for θ , and thus obtain constraints on the underlying cosmological parameters.
Since the theory model depends on the cosmological initial conditions and subse-
quent evolution, it naturally picks up H0 information through the BAO feature (and
the equality scale, as discussed below), including both the physical size (from the-
ory) and the angular size (distorted due to some choice of reference cosmology).

Full-shape analyses are naturally dependent on the cosmological model; how-
ever, this is not a limitation, since one can construct predictions in any framework,
be it ΛCDM or beyond, with extension parameters including early dark energy,
modified gravity, and massive neutrinos. As far as H0 is concerned, the approach is
similar to a template fitting, but the templates themselves are dynamically varied,
and thus depend on cosmological parameters such as Ωm and (through the wig-
gle damping), ωb. Rather than predicting derived parameters such as H(z)rd), full-
shape analyses can predict the underlying H0 parameter (or some other combination
of cosmological parameters, such as the CMB temperature, or angular sound hori-
zon), since the physical forms of DA(z), H(z), and rd are baked into the model.
To extract H0 with template-based approaches, external information on these func-
tions must be supplied, thus BAO measurements are analyzed jointly with Planck,
or some other external data-set, which provide estimates of the Ωm (ωb) parame-
ters needed to determine DA and H (rd). In the full-shape case, both the parameters
can be constrained from the data directly (through coordinate distortions and peak
heights), though it is usually commonplace to supplement the survey with external
ωb information coming from the CMB or Big Bang Nucleosynthesis (BBN) con-
straints [e.g., 33]. In the limit of a well-measured BAO feature, the precision of our
output constraint on H0 is fully limited by our knowledge of ωb, through the rd(ωb)
relation: if this is not measured with full-shape approaches (which themselves give
only comparatively weak constraints), we may not see large improvements in H0
constraints if the external BBN information does not increase in precision.

As for template analyses, it is possible to consider the reconstructed power spec-
trum in the full-shape context. Once again, our logic is that reconstruction acts to
sharpen the BAO oscillations by shifting information into the two-point function
from the higher-point correlators, thus capturing H0 information that would usually
be found only in the bispectrum and above. Though several works have considered
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the full-shape modeling of the reconstructed power spectrum [34, 35, 36, 37, 38],
it is highly non-trivial, and depends strongly on the particular flavor of reconstruc-
tion applied (quickly becoming unwieldy for multi-step reconstruction procedures).
Given that the aim of reconstruction is to sharpen the BAO feature, and not to undo
non-linear effects in the bulk flow (which it is known to perform poorly at, with
non-linear formation being distorted by the necessary smoothing [39]), it is thus
appropriate to employ a hybrid approach, performing a template analysis of the re-
constructed power spectrum and a full-shape analysis of the data, pre-reconstruction
[e.g., 40, 41]. This proceeds by measuring Alcock-Paczynski parameters from the
former (effectively acting as a data compression step), and performing a joint cos-
mological analysis of these with the measured power spectrum multipoles in a
ΛCDM (or beyond) context, including the covariance between the two. This has
been shown to bolster H0 information from full-shape analyses by up to ∼ 40%
[40], and avoids the difficulty in modeling broadband reconstruction artifacts.

1.3 Matter-Radiation Equality

1.3.1 Theoretical Background

Around z ≈ 3600, the dynamics of the Universe change from being dominated by
radiation pressure, to being dominated by matter (both baryonic and dark). The
characteristic redshift is straightforward to determine by setting equal the density
of photons and matter, Ωm,0(1+ z)3 = Ωr,0(1+ z)4 (treating neutrinos as relativis-
tic), where the radiation density is set by the current temperature of the CMB, as
measured by FIRAS.2 The horizon scale is set by the light horizon at this time,

req =
∫

∞

zeq
dz′

c
H(z′)

, (1.9)

with the Fourier-space scale being approximately

keq = (2ΩmH2
0 zeq)

1/2, zeq = 2.5×104
Ωmh2

Θ
−4
2.7 (1.10)

[43], where Θ2.7 is the CMB temperature in 2.7K units. This is a precisely known
scale that acts as a second standard-ruler for H0 analyses (dependent only on the
physical matter density Ωmh2).

Physically, the equality scale corresponds to a turn-over of the matter power spec-
trum at wavenumbers k ∼ keq, as described by the Meszaros equation. Whilst the
turnover predominantly occurs on larger scales than can be robustly probed in many
spectroscopic analyses (except for quasar samples, and SPHEREx, though it will be
subject to significant cosmic variance and systematic penalities), its signature can be

2 Note that physical moment of matter-radiation equality is determined by the invariant matter-to-
photon ratio and does not actually depend on the current CMB temperature [42].
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seen also on somewhat larger scales, due to a ln2(k/keq) feature in the matter power
spectrum at k ≥ keq. These scales are concentrated in the linear regime, which sig-
nificantly simplifies modeling, especially given that the feature is spectrally smooth,
unlike the easy-to-distinguish BAO oscillations.

As before, we practically measure the ratio of the observed and theoretical equal-
ity scale: by the above arguments, this imparts a degeneracy h∼ ∆θeqkeq, thus we in
practice constrain the combination Ωmh, usually denoted Γ . The notion that galaxy
surveys are sensitive to this scale arose significantly before the interest in the BAO
feature, with measurements of Γ being a primary target of the spectroscopic sur-
veys of the 1990s and early 2000s [44, 45], though interest in its use as a BAO-
independent probe of H0 is comparatively recent.

1.3.2 Extracting Equality

As for the BAO feature, one can proceed to measure the equality scale via template
based approaches, by constructing some phenomenological model for the low-k
galaxy power spectrum, or from full-shape analyses. In this instance, most of the
constraints have been derived using full-shape approaches, though there has been
some work employed to connect the equality scale to effects parameters in the
‘ShapeFit’ formalism [46]. Though one could proceed to analyze only the galaxy
power spectrum in the linear regime, it is usually preferred to utilize the whole
EFTofLSS full-shape methodology to extract H0 from the equality scale, since this
(a) calibrates the galaxy bias parameters from quasi-linear scales, (b) naturally in-
cludes any non-linear contributions relevant at low-k, allowing their differentiation
from the equality features in the transfer function.

In practice, applying full-shape modeling to the galaxy power spectrum (and be-
yond) picks up information from both the equality and sound-horizon scales, since
both enter the theory model Pgg(k,θ). To isolate the equality feature, one employ
measures to remove the BAO features; it is not sufficient to simply employ a scale
cut, since there is some overlap between the smooth equality feature and the first
BAO wiggle. Noting that the BAO-derived H0 information depends strongly on
sound-horizon calibration through ωb information, one option is to simply perform
the analysis without an external prior on ωb [47]. This is sufficient for current sur-
veys (where the external information is much more precise than the ωb measured in-
ternally, e.g., by BAO wiggle heights), but this will cease to be the case in the future,
due to higher precision survey data. In this case, one may effectively marginalize
over the oscillatory features, yielding an equality-only constraint on H0 [48]. No-
tably that these measurements are naturally dependent on the choice of model used
to analyze them (since one requires a prediction for Pgg(k) in terms of Γ ≡ Ωmh),
however, this is rarely a limitation since one can straightforwardly test any theoreti-
cal model of interest within the formalism, and, furthermore, there is very different
dependence on the cosmological model to BAO analyses, e.g., the measurement
would be largely unaffected by changes in sound-horizon physics.



1 Measuring H0 with Spectroscopic Surveys 9

As described above, equality-based measurements are practically sensitive to
Γ ≡ Ωmh, thus H0 determination requires some additional constraint on Ωm (and,
to a lesser extent, ns). This can be done within the survey itself, principally through
coordinate distortions and redshift evolution, or externally. In the latter case, one
can place a prior on Ωm from uncalibrated BAO measurements or supernovae dis-
tance constraints (both of which measure the relative expansion rate, without H0
calibration). We finally note that an analogous procedure can be used to constrain
H0 from photometric surveys or CMB lensing. The same does not hold for the BAO
feature, since the projection integrals tend to wash out such features; indeed this
allows straightforward baryon-independent H0 constraints to be wrought.

1.4 Measurements

Having discussed the physics behind spectroscopic H0 constraints, we now present a
number of recent constraints from both the BAO and equality scales. For tractability,
we will specialize to analyses performed on BOSS data and beyond. A representa-
tive (though not necessarily complete) set of constraints are shown in Figs. 1.1& 1.2,
which indicate the plurality of work on the subject, particularly given that most re-
sults are derived from the same data-sets (BOSS and/or eBOSS clustering). In all
cases, we assume a ΛCDM cosmology, unless otherwise specified.

We first consider discuss sound-horizon-based constraints on H0, as derived
via template fitting. This is the preferred mode of analysis for the BOSS and
eBOSS surveys, with the major data-product being a set of H(z)rd and DA(z)/rd
measurements at the effective redshifts of the relevant data sets. As discussed
above, these can be combined with external ‘shape’ information from the cos-
mic microwave background or Big Bang Nucleosynthesis (effectively fixing ωb),
to break the rd-degeneracy and extract H0 directly. The official BOSS analysis
(combining with Planck ) finds (67.6± 0.5)kms−1Mpc−1 [22]; this is updated to
(67.6±0.4)kms−1Mpc−1 with the inclusion of eBOSS data [49] (see also [12, 50]).
Removing Planck information leads to broader constraints (since Planck tightly
constrains rd and Ωm as well as H0 itself, through BAO features), with [24] find-
ing (67.5±1.1)kms−1Mpc−1, reducing to (67.6±1.0)kms−1Mpc−1 with eBOSS
[51] (see also [52]).

Full-shape analyses make use of both sound-horizon and matter-radiation-equality
standard rulers, which can yield tight constraints without explicit Planck calibration
(see also the ShapeFit approach, which captures similar information in a template-
based approach [46, 53], finding (67.9+0.7

−0.4)kms−1Mpc−1 with BOSS, eBOSS and
Planck). A wide variety of full-shape H0 constraints exist, predominantly differ-
ing in their choice of cosmological priors and supplementary datasets. For exam-
ple, [54] find (68.7± 1.5)kms−1Mpc−1 from the BOSS DR12 power spectrum
with a Planck prior on the baryon density (see also [27, 55]). Constraining the
spectral slope to that measured by Planck improves constraints by ∼ 40%, with
consistent results found from both Planck and BBN ωb priors, and three major
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30 40 50 60 70 80 90
H0 [km s 1 Mpc 1]

Full Shape (BAO + Equality)
CDM

BOSS P Colas+20
BOSS P  + ns Ivanov+20a
BOSS P  + ns Wadekar+20
BOSS P  + ns Chen+22a
BOSS P  + b/ c + ns d'Amico+20
BOSS P  + Inflated BBN Troster+20
BOSS P Ivanov+20b
BOSS P  + BAO Philcox+20a
BOSS P  + BAO + ns Philcox+20a
BOSS P  + BAO + ns Chen+22a
BOSS Zhang+22b
BOSS  + BAO Zhang+22a
BOSS P + P d'Amico+22a
BOSS P  + P  + BAO Ivanov+22a
BOSS P  + BAO + C g + ns Chen+22b
BOSS P  + P  + B0 + BAO Philcox+22a
BOSS P  + P  + B0 + BAO + ns Philcox+22a
BOSS P  + B d'Amico+22b
BOSS P  + P  + B  + BAO Philcox+23
BOSS P  + P  + B  + BAO + ns Philcox+23
eBOSS-ELG P Ivanov 21
eBOSS-QSO P  + ns Chudaykin+23
eBOSS-QSO P  + ns Simon+22
BOSS + eBOSS-QSO P  + Inflated BBN Semenaite+22
BOSS + eBOSS-QSO P  + ns Semenaite+22
BOSS + eBOSS-QSO P  + BAO + SNe Simon+22
BOSS + eBOSS P Neveux+22
BOSS + eBOSS P  + ns Neveux+22
BOSS + eBOSS-ELG P  + BAO Ivanov 21

o CDM
BOSS P  + BAO Chudaykin+21a
BOSS P  + BAO Vagnozzi+22

wCDM
BOSS P  + BAO Chudaykin+21a
BOSS P  + BAO + SNe d'Amico+21b

w0wa CDM
BOSS P  + BAO Chudaykin+21a

EDE
BOSS P Ivanov+20c
BOSS P  + BAO Reeves+23
BOSS P  + BAO + SN d'Amico+21a
BOSS P  + SPT Chudaykin+21b
BOSS P  + ACT + SNe d'Amico+21a

CDM+Neff
BOSS P  + P  + BAO + B0 + SPT Chudaykin+22

Other
BOSS P  + P  + BAO + B0 + SPT (Phantom DE) Chudaykin+22
BOSS P  + P  + BAO + B0 + SPT (Transitional DE) Chudaykin+22
BOSS P  + BAO (IDE) Nunes+22
BOSS P  + BAO + SNe (Quintessence) d'Amico+21c

Fig. 1.1: Summary plot of recent H0 measurements from spectroscopic data,
alongisde the Planck CMB-only posterior (black) and SH0ES results (blue). In each
case, we plot the 1σ bound on H0 from the given analysis. Results shown in blue
include a BBN prior on ωb, whilst those in green use an ωb prior from Planck.
Measurements shown in red are combined with the full Planck dataset. In each
case we list the datasets used, with P⊥ indicating real-space power spectrum prox-
ies, B` indicating bispectrum multipoles, and Cκg

` indicating a galaxy-lensing cross
spectrum. Entries denoted ‘+ SNe’ add supernova Ωm information from Pantheon or
PantheonPlus, whilst ‘+ ns’ indicates use of the Planck prior on ns. This figure shows
only full-shape results (which naturally include both BAO and equality information;
Fig. 1.2 shows the other measurements.
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30 40 50 60 70 80 90
H0 [km s 1 Mpc 1]

Full Shape (Equality)

CDM
BOSS P  + SNe Philcox+21a
BOSS P  + SNe Farren+22

BOSS P  + Planck-lensing + SNe Philcox+22b
BOSS P  + Planck-lensing + SNe Smith+22

EDE
BOSS P  + Planck-lensing + SNe Smith+22

CDM + Neff
BOSS P  + Planck-lensing + SNe Smith+22

Template (BAO)

CDM
BOSS Schoneberg+19
BOSS Alam+17
BOSS + SNe Alam+17

BOSS + eBOSS Schoneberg+22
BOSS + eBOSS Alam+21
BOSS + eBOSS (ShapeFit) Brieden+22
BOSS + eBOSS + SNe Alam+21

eBOSS QSO-Lya Blomqvist+19
BOSS + eBOSS Alam+21
BOSS + eBOSS Cuceu+19
BOSS + eBOSS (ShapeFit) Brieden+21
BOSS + eBOSS + ns (ShapeFit) Brieden+22

o CDM
BOSS + SNe Alam+17
BOSS + eBOSS + SNe Alam+21
BOSS + eBOSS + ns (ShapeFit) Brieden+22

wCDM
BOSS + SNe Alam+17
BOSS + eBOSS + SNe Alam+21
BOSS + eBOSS + ns (ShapeFit) Brieden+22

w0waCDM
BOSS + SNe Alam+17
BOSS + eBOSS + ns (ShapeFit) Brieden+22

CDM+Neff
BOSS + SNe Alam+17
BOSS Schoneberg+19

Template (Equality)

CDM
BOSS + eBOSS Brieden+22
eBOSS-QSO + SNe Bahr-Kalus+23
eBOSS-QSO + Uncalibrated-BAO Bahr-Kalus+23

Fig. 1.2: As Fig. 1.1, but displaying results from other types of measurement; full-
shape equality measurements, template BAO constraints, and template equality re-
sults. The colors are as before. Results obtained using the ‘ShapeFit’ compression
scheme are indicated explicitly.
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analysis teams [26, 27, 41, 56]. Combining with the full Planck dataset yields
(68.0+0.7

−0.5)kms−1Mpc−1 [57]).
The above results can be improved further by folding in information from the

reconstructed power spectrum (which is standard practice in template analyses).
As shown in [40], this improves constraints by another ∼ 40%, with BOSS DR12
+ BBN yielding (67.8± 0.7)kms−1Mpc−1 or (68.6± 1.1)kms−1Mpc−1 with and
without ns priors (see also [41, 58]). A variety of extensions to these approaches
have been performed, for example the inclusion of the configuration-space correla-
tion function [41, 59], a proxy for the real-space power spectrum [60, 61] (also see
[62, 63, 64, 65]), lensing-galaxy cross correlations [66], the bispectrum monopole
[67], and the bispectrum multipoles [68, 69]. The most recent result, combining the
BOSS power spectrum, reconstructed power spectrum, real-space power spectrum,
and bispectrum multipoles, yields (68.2± 0.8)kms−1Mpc−1 [68]. This is consis-
tent with the official BOSS results and those from Planck. Similar results can be
obtained using eBOSS data, both from the ELG [70], QSO [70, 71, 72, 73, 74], and
combined samples [74, 75], though their individual constraining power is weaker
than that of BOSS.

Finally, we consider H0 constraints which derive information only from the
equality scale. Since this ruler suffers from increased cosmic variance and requires
Ωm calibration, the constraints are generally weaker than for the BAO, though can
still be used to facilitate interesting tests of the cosmological model [48]. From tem-
plate based analyses of the BOSS and eBOSS data with BBN information, we find
(70.1+1.9

−2.1)kms−1Mpc−1 using the ‘ShapeFit’ formalism [76], whilst results from
the eBOSS quasars yield the broad constraint (64.8+8.4

−7.8)kms−1Mpc−1 [77]. In full-
shape analyses, one can isolate the equality information either by omitting the ωb
prior, or by explicit marginalization; combining BOSS with CMB lensing and ‘Pan-
theon+’ supernovae, yields the final constraint (64.8+2.2

−2.5)kms−1Mpc−1 , which is
sound-horizon-independent but consistent with BAO constraints and Planck (see
also [9, 47, 48, 78].

Whilst the above results have been derived in a ΛCDM framework, similar anal-
yses are possible in any other cosmological model of choice. For the template anal-
yses, one reinterprets the H(z)rd and DA(z)/rd constraints with the updated model
for growth and rd , though we caution that this requires the desired cosmology to be
relatively close to Planck, since one assumed a ΛCDM model to generate the tem-
plates. In contrast, full-shape analyses can be extended by changing the underlying
model used in computation of the linear power spectrum (and, if necessary, late-
time evolution). A wide variety of alternative cosmologies have been considered,
such as non-flat universes, varying dark energy, early dark energy, varying Neff, in-
teracting dark energy, quintessence, et cetera [22, 49, 53], full-shape BOSS [usually
with Planck]: [79, 80, 81, 82, 83, 84, 85, 86, 87]. In general, these give consistent
constraints to those in ΛCDM but with broader errors, due to the additional degrees
of freedom in the model.
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1.5 Summary & Future Prospects

Spectroscopic surveys can be utilized to provide stringent constraints on the Uni-
verse’s structure, composition, and expansion rate. In this chapter, we have dis-
cussed their ability to measure the latter, through standard rulers provided by baryon
acoustic oscillations and the transition from radiation- to matter-domination. In each
case, one observes a characteristic angular size in the galaxy distribution (either di-
rectly or indirectly) which is compared to a theoretical computation, with the ratio
giving an (inverse) absolute distance measurement, at known redshift. Historically,
interest has focussed on the BAO signal analyzed by way of scaling templates; more
recently, theoretical and computational advances have led to H0 being directly ex-
tracted from the spectrum (through implicit standard ruler constraints) using full-
shape methodologies. To date, these measurements have allowed for tight bounds
on the Universe’s expansion rate, with the BOSS survey yielding CMB-independent
∼ 1.6% constraints on H0 [e.g., 68], which is of comparable width to the Planck
posterior.

It is interesting to discuss how such measurements will evolve in the future (see
Fig. 1.3 for a selection of representative forecasts). In the coming years, both DESI
[3] and Euclid [6] will measure the redshifts of hundreds of millions of galaxies,
providing precise mapping of the BAO parameters H(z)rd and DA(z)/rd from low
to intermediate redshifts; moreover, surveys such as SPHEREx [5] will add signif-
icant low-redshift measurements, and, more futuristically, proposed space missions
including MegaMapper [4] can yield a tight high-redshift extension. According to
[52], five years of DESI data will lead to a tight BAO-derived H0 constraint of
σ(H0) = 0.33kms−1Mpc−1 via template methods, working at fixed ωb (noting that
the DESI white paper does not present H0 constraints directly [3]), whilst the same
paper gives σ(H0) = 0.21kms−1Mpc−1 from Euclid. As before, there are a plethora
of forecasted constraints, with varying analysis choices: for example, the official Eu-
clid forecast indicates a full-shape power spectrum constraint of 0.63kms−1Mpc−1

[88] (without external priors), tightening to 0.37kms−1Mpc−1 in conjunction with
weak lensing and photometric surveys, or 0.12kms−1Mpc−1, additionally adding in
future CMB data [89] (see also [48, 90, 91, 92, 93]). For SPHEREx, no official H0
forecast has been made, but one can expect similar results to DESI and Euclid spec-
troscopy, but with most information coming from lower redshifts. In the future, sur-
veys such as MegaMapper could yield σ(H0) = 0.36kms−1Mpc−1 alone, or three
times tighter with CMB data, though the precise forecasts depend on which param-
eters are being varied (e.g., Neff,Mν ) [93, 94]. We note that many of these results
are naturally reliant on the ωb calibration (with BBN yielding a ≈ 1.6% constraint
[33]), thus, if this is tightened further (for example from better BBN measurements),
one may expect a tighter increase still.

From the equality scale, we may also expect significant improvements in the
future. A forecast for Euclid found σ(H0) = 0.72kms−1Mpc−1 [48], which is only
some 40% tighter than the BAO measurement (without reconstruction). We find that
the two scales will be more balanced in terms of constraining power in the future,
in the absence of tighter BBN calibration. As such, many of the above full-shape
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2 1 0 1 2 3
H0 [km s 1 Mpc 1]

DESI
Template Wang+17

Full-Shape P  (+Neff) Sailer+21
Full-Shape P  (+Neff) Sailer+21

Full-Shape P  + SO + PUMA (+Neff) Sailer+21

Euclid
Template Wang+17
Template Farren+21

Full-Shape P Blanchard+20
Full-Shape P Farren+21
Full-Shape P  (+Neff) Sailer+21

Full-Shape P  + B0 Chudaykin+19
Full-Shape P  + B0 Chudaykin+19
Full-Shape P  + SNe Zhang+19
Full-Shape P  + SNe + SKA Zhang+19
Full-Shape P  + SO (+Neff) Sailer+21

Full-Shape P  + WL Blanchard+20
Full-Shape P  + WL + SO Ilic+22
Full-Shape P  + WL + SKA Sprenger+19

Equality P Farren+21

MegaMapper
Full-Shape P Ferraro+22
Full-Shape P  (+Neff) Sailer+21

Full-Shape P  + SO + DESI (+Neff) Sailer+21

Fig. 1.3: As Fig. 1.1, but displaying a collection of H0 forecasts for future experi-
ments from the literature. As before, constraints marked in blue include (current)
BBN priors on ωb, those in green add Planck priors on ωb, whilst those in red com-
bine with the full Planck posterior. Here, we group forecasts by instrument, with
the captions denoting the forecasting set-up. ‘WL’ indicates the inclusion of weak
lensing information, whilst SO and SKA refer to the Simons Observatory and the
Square Kilometer Array.
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constraints are importantly impacted by equality-scale information. Finally, we note
that a variety of other measurements will appear soon, both from additional galaxy
surveys, such as Rubin and Roman [7, 8], as well as other probes including 21cm
emission, line-intensity mapping, radio surveys, and beyond.

The coming measurements will open up a wealth of tests of the cosmological
model. Firstly, BAO analyses allow one to map the H(z)rd and DA(z)/rd derived
parameters across a large swathe of redshifts, facilitating robust consistency tests of
the low-redshift Universe; the same is true for full-shape derived constraints if we
search for trends in the H0 posteriors from different redshift samples. Secondly, the
consistency of equality and BAO H0 constraints has been previously shown to be a
powerful diagnostic test of new physics in the early Universe, due to the different
dependence on redshifts and recombination-scale physics. For now, the tests are
weak, but with future surveys such as Euclid, one could potentially rule out many
such models [48]. Furthermore, the two rulers are symbiotic; it is only by combining
all sets of information available that we can obtain the strongest bounds on H0, and
thus physics new and old.
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Exciting clues to isotropic cosmic birefringence have recently been detected in the EB cross-power
spectra of the polarization data of the cosmic microwave background (CMB). Early Dark Energy
(EDE) models with a pseudoscalar field coupled to photons via a Chern-Simons term can be used
to explain this phenomenon, and can also potentially be used to simultaneously resolve the H0

tension. In this work we incorporate an early dark energy scalar field, including a Chern-Simons
coupling, into an existing Boltzmann solver and numerically recover the EB cross-power spectrum
for two models in the literature; the α-attractor, and the Rock ‘n’ Roll field. We find that both the
models fit the EB spectra, and the EB spectra alone do not possess sufficient constraining power
to distinguish the two models based on current data.

I. INTRODUCTION

The observation of the Cosmic Microwave Background (CMB) is one of the most important dis-
coveries in 20th century physics, which helped to establish the standard ΛCDM cosmological model
[1–5]. However, with recent and more precise observations, the CMB in conjunction with other data
suggest that there may be new physics beyond the standard model[6]. Here we consider two of the
most compelling issues; “cosmic birefringence” [7] and the “Hubble tension” [8].

Cosmic birefringence is the rotation of the plane of linear polarization of photons [9–11]. Recent
measurements indicate that the Planck polarization data exhibit a 3.6σ signal of a non-zero cosmic

birefringence angle, β = 0.342◦+0.094◦

−0.091◦(68%C.L.) [12, 13]. This new phenomenon comes from the
cross-correlations between the E and B mode in CMB polarization [14].

The E and B modes of the CMB transform under parity according to E`m → (−1)`E`m and B`m →
(−1)`+1B`m, and the auto power spectra of these quantities are invariant under the transformation.
However, the cross power spectrum changes sign and so non-zero values of CEB` could indicate parity
violation; new physics beyond the standard model of cosmology, such as axion-like pseudoscalar fields
that couple to the electromagnetic tensor and its dual as gφFµν F̃

µν [15, 16]. Such a term in the
Lagrangian would rotate the plane of polarization of the CMB photons and generate a non-zero EB
cross power spectrum. Additionally, such a term can convert some power from the E to the B modes.
Data from upcoming experiments like the Simons Observatory [17], ground based CMB-S4 [18] and
LiteBIRD [19] could potentially detect this signal in the CMB power spectra. LiteBIRD is expected to
have the sensitivity to detect both the signal in the EB spectra, as well as the induced BB components.

In parallel to these developments, there is now robust evidence of a ∼ 4 − 5σ discrepancy between
the Hubble parameter inferred using cosmological scale data such as the CMB and BAO, and directly
measured values via the distance ladder [8, 20]. This challenge to the standard model is yet to
be resolved, with possible explanations including unknown systematics in the distance ladder, non-
standard dark energy models and some modification to the expansion history at high redshift. This
latter possibility has gained traction as one of the few ideas that can ameliorate the tension in a way
that does not introduce new tensions between cosmological parameters. An early dark energy (EDE)
component, such as an axion-like field, can potentially explain both the Hubble tension and generate
a small signal in the CMB EB cross power spectrum.

Multiple early dark energy models have been proposed in the literature [21–33]. Especially, early
studies introduced a string-like axion with potential V (φ) ∼ (1− cos[φ/f ])n [22], where f is the axion
decay constant, with phenomenological parameter n > 1 required to ensure that the energy density of
the field decays sufficiently quickly in the late Universe. Other models include scalar fields inspired by

∗Electronic address: lu.yin@apctp.org
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inflationary α-attractors [33], which are a class of models that predict spectral index ns and tensor-
to-scalar ratio r values that are practically independent of the specific functional form of the potential
V (φ), and Rock ‘n’ Roll model with power law potentials V ∝ ( φ

Mpl
)2n [26]. All of these models

function in similar ways – introducing a non-negligible dark energy component in the early Universe
which modifies the sound horizon at decoupling rs, followed by a rapid decay of energy density.

In this work, we consider the phenomenology of these different models when an explicit coupling
between scalar field and electromagnetic field tensor is included. In particular, we search for potential
signals in the EB cross power spectrum that might be used to distinguish different early dark energy
models. We consider how various models modify the Boltzmann equations and implement them into
numerical solvers, extracting the power spectra and considering how their shape and amplitudes can
be used to discriminate between competing theories. In particular both the EE and BB modes will
be modified by Cosmic Birefringence, so we compare the power spectra from different models.

The paper will proceed as follows. In Section II we review the Boltzmann equations and how they
are modified by the presence of an explicit coupling between a scalar field and photons. In Section III
we review the early dark energy models that we explore. Our main results are presented in Section IV;
the EB power spectra and the tools we use to discriminate between different models. We conclude in
Section V.

II. BOLTZMANN EQUATION FOR COSMIC BIREFRINGENCE

Through the Chern-Simons term, the Lagrangian density with coupling between pseudo-scalar field
and photons can be written as [16]

L = −1

2
(∂µφ)

2 − V (φ)− 1

4
FµνF

µν − 1

4
gφFµν F̃

µν , (1)

where the pseudo-scalar field φ has a canonical kinetic term and potential V (φ), g is the Chern-Simons

coupling constant of mass dimension -1, and Fµν and F̃µν correspond to photon field’s strength tensor
and its dual, respectively.

Due to the Chern-Simons term in the Lagrangian, the photon dispersion relation is modified as
[9–11]

ω± ' k ∓
g

2

(
∂φ

∂t
+

k

k
· ∇φ

)
= k ∓ g

2

dφ

dt
(2)

where + and − are the right- and left-hand circular polarization states of photons, ω± correspond to
the ± helicity states’ angular frequency. We adopt the convention of the right-hand coordinate of the
z−axis as the direction of photon propagation.

The rotation of the plane of linear polarization depends on the dispersion relation of the helicity.
We can use the fact that ω± is much larger than the time evolution of φ in the WKB limit. Using the
WKB approximation, we can give the angle of rotation from a given time t to the current time t0 by

β(t) = −1

2

∫ t0

t

dt̃ (ω+ − ω−) =
g

2
[φ (t0)− φ(t)] . (3)

With our choice of conventions, β > 0 means that the linear polarization rotates clockwise in the
sky, and the z-axis is in the direction of the observer’s line of sight. We follow the linear polarization
position angle conventions used in [7].

Since the early dark energy is modeled using a pseudo-scalar field. In order to describe the evolution
of CMB polarization including the cosmic birefringence effect, we use the modified Boltzmann equation
with contribution from rotation angle β –

±2∆′P + iqµ±2∆P = τ ′

[
−±2∆P +

√
6π

5
±2Y

0
2 (µ)Π(η, q)

]
± 2iβ′±2∆P , (4)

where η is the conformal time. In Fourier space, the wave vector is q, and the angle between q and
photon momentum is expressed as µ. In this equation, ±2Y

m
` denote the spin-2 spherical harmonics,

and the polarization source term is Π(η, q). The function ±2∆P is the Fourier transform of Q ± iU ,
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where the Q and U are the real and imaginary parts of the Stokes parameters of linear polarization,
respectively.

To express the Boltzmann equation in terms of ±2Y
0
2 (µ), we can expand ±2∆P as

±2∆P (η, q, µ) ≡
∑
`

i−`
√

4π(2l + 1)±2∆P,l(η, q)±2Y
0
` (µ). (5)

In general, β evolves with conformal time and we obtain the solution of the Boltzmann equation with
rotation angle β(η) as

±2∆P,l (η0, q) = − 3
4

√
(l+2)!
(l−2)!

∫ η0
0

dητ ′e−τ(η)Π(η, q)× j`(x)
x2 e±2iβ(η), (6)

where x = q(η0 − η), and j`(x) is the spherical Bessel function.
The CMB polarization power spectra can be written as

CXY` = 4π

∫
d(ln q)Ps(q)∆X,l(q)∆Y,l(q), (7)

where Ps corresponds to the primordial scalar curvature power spectrum, X,Y are labels for the
E or B mode CMB polarization, which can be directly inferred from Eq.6 as ∆E,l(q) ± i∆B,l(q) ≡
−±2∆P,l (η0, q). If β is constant, we can rewrite the E and B fluctuations as

∆E,` ± i∆B,` = e±2iβ
(

∆̃E,` ± i∆̃B,`

)
, (8)

where ∆̃ are the E and B fluctuations in the absence of cosmic birefringence. Here, parity violation is
present in the EB cross modes [14].

Using Euler’s formula, the relations between polarization power spectra with a constant β can be
written as [16]

CEE` = cos2(2β)C̃EE` + sin2(2β)C̃BB` , (9)

CBB` = cos2(2β)C̃BB` + sin2(2β)C̃EE` , (10)

CEB` = 1
2 sin(4β)

(
C̃EE` − C̃BB`

)
, (11)

where C̃` are the power spectra in the absence of cosmic birefringence. If we fix β = 0 then CEE`
and CBB` reduce to their values in the absence of any photon-scalar coupling and CEB` = 0. If
we assume that the magnitude of CBB` is much smaller than CEE` , we can use the approximation
CEB` ≈ tan(2β)CEE` .

Generically, β is not constant but rather related to the evolution of the scalar field φ. In this case
one must evolve the Boltzmann equations numerically. We will use the publicly available CLASS EDE
program [34] from CLASS[35, 36] to solve the Boltzmann equations and obtain the EE, BB, EB power
spectra numerically, for multiple scalar field early dark energy models. Specifically, we focus on two
early dark energy models; α-attractors and the Rock ‘n’ Roll model, which will be described in the
following section.

III. EARLY DARK ENERGY

Early dark energy is a component of the Universe that introduces a non-negligible energy density
during radiation domination. It has been suggested as a possible resolution to the Hubble tension
problem by modifying the expansion rate prior to recombination [21–33]. By construction, early dark
energy models contribute energy density during and prior to the epoch of matter-radiation equality,
and their effect is to reduce the comoving sound horizon before decoupling. However, these models are
difficult to distinguish using current observational data.

A recent study [16] has highlighted that CMB EB cross power can be induced via cosmic birefrin-
gence from ultra-light axion-like early dark energy. Hence the EB power spectrum is a new observable
that can potentially be used to discriminate different EDE models. In this work, we study EDE models
based on pseudo-scalar fields, which differ in their potentials, focusing on their Cosmic Birefringence
signals. Before doing so, we will briefly introduce them. The potential of the two cases we used can be
considered as pseudo-scalars from the parameters introduced below. Practically they share the same
features as the axion field – rolling followed by oscillatory epochs.
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A. Early Dark Energy from α-attractors

The α-attractors are a class of supergravity-inspired models, first studied within the context of
inflation. They have the interesting property that there exists a broad class of scalar field potentials
which share a generic prediction for the scalar spectral tilt ns and tensor-to-scalar ratio r, practically
independent of the parameters in V (φ). This property has been dubbed as ‘attractor’ behaviour.
This scalar field model has been subsequently adopted as a candidate for early dark energy, simply by
reducing the energy scales associated with the scalar field from inflationary to those typically associated
with EDE.

Defining dynamical variables such that the scalar field kinetic term is canonical, the potential for
this class of models can be written as [45]

Vα(φ) = V0
(1 + α2)2n tanh

(
φ/
√

6α1Mpl

)2p[
1 + α2 tanh

(
φ/
√

6α1Mpl

)]2n (12)

where V0, p, n, α1 and α2 are constants. The particular case α2 = 1 was considered in Ref.[33] and
based on the numerical results in that work, we select the best-fit case p = 2 and n = 0 to compare
with other early dark energy models. Only at n = 0, the potential has V (φ) = V (−φ) and can be
calculated as pseudo-scalar. We introduce the dimensionless field Θα ≡ φ/

(√
6α1Mpl

)
when presenting

the dynamics in the next section. The Taylor expansion of V (φ) for φ ' 0 is given by Vα(φ) ' Θ4
α.

B. Rock ‘n’ Roll

The Rock ‘n’ Roll model introduces an additional scalar field before recombination with potential

VR&R(φ) = V0

(
φ

MPl

)2n

(13)

where MPl is the reduced Planck mass, and V0 and n are constants. We follow Ref.[26] and fix the
index n = 2.

For the Rock ‘n’ Roll model, the scalar field will introduce an additional energy density in a narrow
redshift window around recombination, injecting energy and reducing the acoustic horizon. For this
reason, the Hubble constant H0 inferred from the CMB will be larger. The Taylor expansion around
φ = 0 is trivial – VR&R(φ) ∝ ( φ

MPl
)4, similar to the α-attractor model. The important discriminator

for these models is the behaviour of φ prior to its final state, oscillating in the vicinity of the minima
at φ ' 0.

Initially, we focus on the evolution of the scalar field and energy density with redshift z. The
background, homogeneous energy density of the field is simply given by the standard form

ρφ =
1

2
φ̇2 + V (φ), (14)

since the scalar field is always normalized to ensure a canonical kinetic term.
In Table I, we present the parameter values used in our numerical analysis, which are the best-fit

values inferred by fitting the models to cosmological data in previous studies using CMB temperature
[46–48], Baryon Acoustic Oscillation (BAO) [49–52], and type Ia Supernova [53, 54] data. fede is the
maximum energy density fraction of early dark energy at critical redshift zc, which is the time at which
the scalar field starts oscillating (zc = a−1c − 1). By solving the background cosmological equations for
the scalar fields described by potentials (12, 13), using parameter values taken from Table I, we can
plot the evolution of the fields, which have different initial epochs and subsequent oscillations. The
dynamical evolution of the fields, as a function of redshift, are presented in Figure 1. In this figure, the
red/orange lines represent the field oscillation for the α-attractor, and Rock ‘n’ Roll model respectively.
During the oscillatory phase of the dynamics, the Rock ‘n’ Roll model has a higher frequency compared
to the α-attractor.

The energy density in Equation 14 for the different models is shown in Figure 2. The Rock ‘n’ Roll
model has a higher peak value of ρφ than α-attractor’s prior to the decoupling epoch. The redshift of
the peak of ρφ defines the redshift zc, which is related to the scale factor log10(ac) given in Table I.
Both models present similar energy densities.
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Figure 1: The evolution of scalar field with redshift.
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Figure 2: The evolution of Ωφ = 8πGρφ/(3H
2) with redshift.

The two models in Figure 2 possess very similar values of ρφ at the decoupling epoch (z = 1100).
After this time, both decay at similar rates. The length of the energy density tail is another potential
discriminator between models. However, both models considered here possess negligible energy density
by z = 10.

From Table I, we observe that the EDE models can ameliorate the H0 tension, both via a shift in
the best-fit value of H0, as well as an increase in the size of the error bars. Both models increase the
H0 best fit to a value larger than 70 km s−1 Mpc−1, which decreases the tension with the low redshift
data to ∼ 2σ.

IV. COSMIC BIREFRINGENCE FROM α-ATTRACTORS AND ROCK ‘N’ ROLL EARLY
DARK ENERGY

In this section, we study the effect of early dark energy – with explicit Chern-Simons coupling to
photons – on the Boltzmann equation, accounting for the dynamical nature of φ in Equation 6. We
implement the dynamics of these different models into CLASS EDE [34] and compare the resulting CMB
power spectra. We include the gravitational lensing effect on the CMB. More discussion on the lensing
effect can be found in Ref.[16].
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Table I: Best-fit of free parameters in ΛCDM, α-attractor and Rock ‘n’ Roll models. These results with 68%
C.L. are based on the observation of CMB, BAO, and Type Ia Supernova.

Parameter ΛCDM α-attractor Rock ‘n’ Roll

100θs 1.04213 ± 0.0003 1.04154 ± 0.00037 1.0417 ± 0.0004

100ωb 2.239 ± 0.014 2.277 ± 0.024 2.264+0.021
−0.020

ωcdm 0.1177 ± 0.0012 0.1265 ± 0.0036 0.1267+0.0044
−0.0043

109As 2.14 ± 0.051 2.1477+0.03464
−0.03409 2.23090.5876

0.5072

ns 0.9687 ± 0.0044 0.9803 ± 0.0057 0.977+0.006
−0.007

τreio 0.068 ± 0.013 0.0602+0.0070
−0.0081 0.080+0.013

−0.012

log10 (ac) − −3.550+0.074
−0.061 −3.4998+0.0965

−0.0431

fEDE (ac) − 0.065 ± 0.026 0.073+0.031
−0.028

H0 68.33 ± 0.54 70.28 ± 0.94 70.5+1.0
−1.2
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Figure 3: CMB power spectra of EE mode. The early dark energy models both include an effect due to cosmic
birefringence.

A. Coupling with gMPl = 1

We focus on the EE and EB power spectra. Since the initial evolution and subsequent oscillation
frequency of φ is different for each model, β(φ) will change both the amplitude and shape of these
power spectra. The EE power spectra are presented in the left panel of Figure 3, and the fractional

101 102 103
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10 4

10 3

10 2

10 1

100

D
EB

[
K2 ]

Rock &n Roll n = 2
-attractors p = 2, n = 0

Figure 4: EB power spectrum in the four cases with best-fitting parameters given in Table I. The value of
gMpl we used in this figure is 1.
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Figure 5: With best fitted gMPl = 0.16 in α-attractor and gMPl = 0.12 in Rock ‘n’ Roll, EB power spectrum
in the two cases can be modified from the above result.
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Figure 6: EB power spectrum with the data points from Planck 2018. The left figure plotted with gMPl = 1,
and the right one shows the EB mode with best-fitted gMPl from Table. II.

difference between early dark energy and ΛCDM power spectra in the right panel. The two cases
present different amounts of power in the low-l scales, and almost coincide in the high-` period. This
is predominantly due to the different values of ac in each model. If ac is closer to the reionization
period, then observations of sources at different redshifts, such as photons from CMB and reionization,
will give a different rotation angle. Thus, we can extract information about the redshift evolution of
β by looking at sources in different redshift shells, which will provide improved constraints on this
class of models. Although the low-` EE power differs significantly between the different models, the
large statistical uncertainties in the Planck data in this regime make it difficult to distinguish different
models. The α-attractor has less EE power for ` < 26. On smaller angular scales, the differences
between the spectra are smaller, but the error bars are also expected to be small for ` >∼ 102.

Next we focus on the EB power spectra for these early dark energy models, presented in Figure 4.
For the Rock ‘n’ Roll model, the EB power spectrum has a larger amplitude in both the low-` and
high-` regimes. This is a direct consequence of fede taking a larger value in the Rock ‘n’ Roll model.
In contrast, both the EB power spectra and the low-` component of the EE power spectra show such
positive correlation relation between fede and power. The magnitude of DEE

` for ` < 26 is suppressed
for the α-attractor.

At high-` modes, there is also a subtle difference in shape of the EB power spectra. The Rock ‘n’
Roll power spectrum is higher than the α-attractor counterpart at l = 1000 but decays faster at larger
`. The peak value of Rock ‘n’ Roll also shifts slightly to the smaller scales.

To test the viability of both the models, we use data from the Planck 2018 release. First, we
compute the pseudo-cl EB spectra from the maps using the Planck common polarization mask with
2◦ apodization. Then we estimate the EB power spectra by correcting for the effects of masking,
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Figure 7: The evolution of β with redshift.

Table II: Best-fit of free parameters of gMPl and the corresponding value of β in ΛCDM, α-attractor, Rock ‘n’
Roll, respectively. Since in our theory, β is not constant, we only give the value of β calculated from Equation3
in CMB time.

Parameter ΛCDM α-attractor Rock ‘n’ Roll

gMPl 0 0.16 0.12

β at CMB 0 0.02◦ 0.15◦

beam and pixel windows. The EB spectra that we obtain are comparable to those in [13]. We check
the stability of our results with changes to the sky fraction by using two different masks, the SMICA
confidence mask and the Planck common polarization mask. The SMICA confidence mask has a sky
fraction of 93%, while the common mask has a sky fraction of 78%. We find that both the masks yield
similar EB power spectra, and so we use the Planck common polarization mask for our analysis.

In the left panel of Figure.6, we add the result from observation into the EB power spectra and want
to use it to distinguish early dark energy models from l = 200 to l = 1500, although the large errorbars
make it hard to distinguish the models at low `s. But this is the result from fixing the coupling term
g as g/M−1Pl = 1. In the next, we will consider the value of gMPl from the best fit with Planck data.

B. Coupling term g from best-fit result

The amplitude of the EB power spectrum is dictated by a single free parameter, g. In this section,
we fit the parameter g for both EDE models. The best-fit values of gMPl for both are presented
in Table. II. We find the results of gMPl are g = 0.16(α-attractors) and g = 0.12 (Rock n Roll),
respectively. In the right one of Figure 6, we present the best-fit results of the models considered here
and compare them with the EB spectra measured by Planck. To fit g, we used parameters except g
from Table I obtained by fitting the CMB [46–48], BAO[49–52] and Supernova [53, 54] data. Then for
each model, we vary g find the best fit value of g that minimizes the χ2;

χ2(g) =
∑
`

(
DO` −DM` (g)

)2
σ2
`

, (15)

where DO` and DM` (g) are the measured EB spectra and the model predictions, respectively, and σ`
are the Planck EB 68% error bars. We find that both models can fit the data, and the differences
between the best fits from the two models cannot be distinguished by the present data at any statistical
significance.

We present the EB power spectra for both models with best-fit g in Figure 5. This result shows the
EB power spectrum cannot distinguish the two models when g is allowed to vary. For higher l > 1500,
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the EB mode will show very subtle differences, but the shape is practically indistinguishable.
We use the best-fit value of g with Equation 3 to infer value of β. The results also be shown in

Table. II and Figure 7. With the best fit g, we find the rotation angle β is different for the two models:
the α-attractor model with g = 0.16 can fit the data of EB mode well and possess a relatively small
rotation angle β = 0.02◦, and the Rock ‘n’ Roll model with gMPl = 0.12 can get β equal to 0.15◦ We
conclude that the rotating angle β is strongly model dependent.

These features could help the observation of LiteBIRD distinguish different early energy models. It
may also be the case that not all oscillatory potentials will lead to the oscillation of DEB

` , since this
observable relies on the parameters in the scalar field potential.

V. SUMMARY

In this article, we studied the cosmic birefringence effect from two models; Rock ‘n’ Roll, and α-
attractor scalar fields, treating them as pseudo-scalars and including an explicit Chern-Simons coupling
between the field and photons. We generate the resulting EB power spectrum for the α-attractor and
Rock ‘n’ Roll models for the first time. We compared the field oscillations and background energy
density evolution. Both models admit similar energy density evolution.

We also discussed the cosmic birefringence effect wrought by different EDE potentials. The EE
power spectra show some discriminatory power in the low-` regime, but the current generation of
polarization data can’t take advantage of this difference. Cosmic variance will ultimately limit the
utility of this signal. Oscillations in the EE power spectrum at high ` could act as a model discriminant
in the next generation of polarization experiments. The signal in the EE power spectrum is present
even in the absence of any explicit photon-pseudoscalar coupling.

The EB cross power shows some promise to distinguish different scalar field models. At high-`, the
magnitude of DEB

` is closely related to the value of fede, required to resolve the Hubble tension. This
implies that the higher the proportion of dark energy density in the early Universe, the greater signal
we expect to find in the EB cross-power spectrum. At low-`, both the shape and amplitude of DEB

`
depend on the model specifics of the model, allowing for stronger discriminatory power. However, using
the best fit EDE parameter values from other data sets, in conjunction with fitting the amplitude of
the EB power spectrum to the models in this work reveals that both the α-attractors and the Rock
n’ Roll models fit the data equally well. The value of g is model dependent. Moreover, the rotation
angle β calculated for each model with the best-fit g is also highly model dependent.

We conclude that the CMB EB power produced by cosmic birefringence could potentially be an
important smoking gun for different early dark energy models, beyond the EE spectra, and this will
be verified with the next generation of CMB observations in the near future.
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Disk winds are thought to play a critical role in the evolution and dispersal of protoplanetary

disks. The primary diagnostic of this physics is emission from the wind, especially in the

low-velocity component of the [O I] λ6300 line. However, the interpretation of the line is

usually based on spectroscopy alone, which leads to confusion between magnetohydrodynamic

winds and photoevaporative winds. Here, we report that in high-resolution VLT/MUSE

spectral mapping of TW Hya, 80% of the [O I] emission is confined to within 1 AU radially

from the star. A generic model of a magnetothermal wind produces [O I] emission at the

base of the wind that broadly matches the flux and the observed spatial and spectral profiles.

The emission at large radii is much fainter that predicted from models of photoevaporation,

perhaps because the magnetothermal wind partially shields the outer disk from energetic

radiation from the central star. This result calls into question the assumed importance of

photoevaporation in disk dispersal predicted by models.
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Descriptions of the physics that governs disk evolution and accretion physics depend on our

evaluation of the launching of disk winds versus radius1. A high velocity jet is launched near the

star-disk interaction region2, while at larger radii non-ideal magnetohydrodynamic effects3, 4 and

disk irradiation combine to launch slower winds5. The picture for disk winds has been built from

empirical evidence in many diagnostics, most especially [O I] emission6–9, and from numerical

simulations, but tests of disk physics are limited by the challenge of distinguishing contributions

from magnetized and photoevaporative winds.

Spatially resolving the low velocity component of the wind can break the degeneracy between

various theoretical wind models, however the small physical scales are beyond the limits of most

previous observations. The adaptive optics mode of the MUSE instrument of the Very Large

Telescope (VLT) provides a powerful new capability to measure the spatial extent of optical

emission in winds. We further optimize the physical scale by focusing on TW Hya, the nearest

(∼60 pc, ref.10) solar-mass star that is still actively accreting from its protoplanetary disk. The disk

is viewed face-on (disk inclination∼ 5◦ − 7◦, ref.11–14), thereby offering the best possible physical

resolution for measuring the radial distribution of emission. High-resolution ALMA observations

reveals an inner cavity of AU in the distribution of mm-sized dust grains15; a similar cavity in small

dust grains is measured from the deficit in near- and mid-IR emission16, although some small grains

are located near the disk truncation radius17. Blueshifted [Ne II] emission from TW Hya must arise

beyond the dust cavity and may indicate the presence of a photoevaporative flow18. The [O I]λ6300

emission line from TW Hya is narrow (full width of half maximum of ∼13.0 km s−1) with a small

blue-shift9, 19–21, measured here with a mean of −0.8 km s−1 (see Extended Data Figures 1 and 2.
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The spectroscopic comparison with blueshifted [Ne II] emission leads to the inference that the

[O I] emission is likely more compact and may even originate in the disk and not a wind19, 22.

Results

Figure 1 (upper-left panel) shows the error-weighted mean [O I] λ6300 intensity map of

TW Hya with MUSE (See Extended Data for a detail description and Extended Data Figure 3 for

[O I] line emission detected with MUSE). When compared with the continuum emission, vertical

and horizontal slices (upper right panels) show enhanced [O I] emission in both directions. The

continuum point spread function (PSF) is scaled to this emission and subtracted, leaving a residual

signal detected out to ∼ 1′′ (60 AU), as shown in the intensity map and signal-to-noise (S/N) ratio

map for the PSF-subtracted [O I] λ6300 emission in the bottom panels of Figure 1. To further

establish the significance of this detection, we follow the same procedures for the He I λ6678

emission line, which is produced by accretion processes close to the star and is not expected to be

spatially extended23. The He I λ6678 emission is as compact as the nearby continuum emission

(see Extended Data Figure 4). The comparison with He I emission, in combination with the

signal-to-noise ratio map for the [O I] λ6300 intensity residual map, indicates that the extended

emission from [O I] λ6300 is statistically significant.

To evaluate the spatial distribution of [O I] emission, we create a toy model with a power-law

radial profile for the [O I] intensity, I6300 ∝ R−α, where R is the disk radius. The best-fit model

(See Extended Data for a detail description and Extended Data Figure 5 for the reduced χ2) is

shown in Figure 2, with an inner radius (Rin) of ∼0.08 AU, a radial power law of α = 2.6, and a
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Figure 1: Error-weighted mean [O I] λ6300 intensity map. Upper-left panel: Error-weighted
mean [O I] λ6300 intensity map of TW Hya. Upper-right panels: Two slice cuts (yellow lines)
for [O I] λ6300 line map shown in the upper-left panel, overplotted with the PSF (dark dashed
lines) near [O I] λ6300 line. The dotted line in each panel is the standard deviation along the slice
cut. Lower-left panel: [O I] λ6300 line residual map after a subtraction of a PSF which has been
normalized to line map by the peak emission. Lower-right panel: the signal-to-noise ratio map
for the [O I] λ6300 line residual map shown in the Lower-left panel. The cyan and blue lines
show contours with S/N=2 and 3, respectively. The contours have been smoothed with a Gaussian
function with a full width of half maximum of 5 pixels.
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Figure 2: Best-fit model of [O I] λ6300 intensity map. Upper-left panels: the best-fit model
[O I] intensity map. Upper-right panel: error-weighted mean [O I] intensity map of TW Hya.
Lower-left panel: [O I] residual map after a subtraction of the best-fit model. Lower-right panel:
the signal-to-noise ratio map for the [O I] residual map shown in the Lower-left panel. The cyan
and blue lines show contours with S/N=2 and 3, respectively.
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poorly constrained outer radius of> 40AU. About 80% of emission in this model is emitted within

1 AU, confirming previous inferences from line profile fitting alone22. The intensity map for the

best-fit model accurately reproduces the observed intensity map, with no significant residuals (see

Figure 2).

Discussion

The compact spatial distribution of [O I] provides strong constraints on the two categories of

wind launching mechanisms from the disk, namely (1) photoevaporative winds, and (2) magnetothermal

winds, discussed in turn below. Numerical studies, starting with simplified disk hydrodynamics

and thermochemistry models24–27, have progressively developed the theoretical framework of both

mechanisms, with predictions of different spatial profiles of forbidden line emission, including

[O I], that could be used to distinguish between them28.

Photoevaporative winds are launched by injecting thermal energy through photoionization

and photodissociation, a process that requires the thermal energy in heated gas being greater than

the depth of the local potential well. This requires the wind launching point to be located outside

a critical radius, which roughly equates the local effective potential well depth to the specific

thermal energy25. In photoevaporative wind models driven by soft X-rays29–31, the outflows are

weak within ∼2 AU under plausible irradiation luminosities. Extreme ultraviolet (EUV) driven

photoevaporation applies to regions with higher temperatures and smaller mean molecular mass32,

but is still unable to launch winds efficiently withinR . 1 AU of the star. As a result, the innermost

∼ 1 AU does not contribute significantly to photoevaporative flows due to the excessive potential
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Figure 3: Photoevaporation and magnetothermal models of [O I] λ6300 map. Left: the best-fit
model (blue dashed line) compared with the predictions from X-ray photoevaporation (magenta
dotted, dash-dotted, and dashed lines for log LX (erg s−1)=28.3, 29.3, and 30.3, respectively)33,
and from the MHD wind model (yellow solid line). Each model is normalized by its peak intensity.
Right: the radial profile (light blue color filled circles) of the observed [O I] line compared with the
PSF-convolved best-fit model (blue dashed line), the PSF (gray color filled area), the predictions,
convolved with the PSF, from X-ray photoevaporation (the magenta line-filled area which covers
the predictions with log LX (erg s−1)=28.3−30.3, ref.33) and MHD wind model. Each model is
normalized by its central intensity. The colors are same as in the left panel.

well depth.

The left panel of Figure 3 compares the best-fit model from the [O I] intensity map of

TW Hya with the predictions from X-ray photoevaporation for log LX (erg s−1)=28.3−30.3 (ref.33),

with the bright end similar to the measured X-ray luminosity of TW Hya of log LX (erg s−1)=30.2

(ref.34, 35). In the right panel, we convolved the models with the PSF of the MUSE observations

near the [O I] line and compare them with the observed [O I] intensity map. Even using models

with a smaller inner disk radius (the dust sublimation radius), the X-ray photoevaporation models

overpredict the extensions of [O I] line emission. An increase of Rin will extend the [O I] intensity
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map and decrease the [O I] flux from inner disk radii33.

Magnetothermal winds (launched by magnetic pressure gradients36 rather than the centrifugal

mechanism37) are, in contrast, not inhibited in the inner zones. Their wind speeds (vwind) are

roughly proportional to the local Keplerian velocities (hence vwind ∝ R−1/2) – the closer the wind

base is located to the star, the faster the wind is launched4, 32, 38, 39. Assuming that the differential

wind mass-loss rates dṀ/d lnR are roughly uniform (likely caused by the re-distribution of

magnetic fluxes inside the disk39, 40), the density of winds (ρwind) near the wind bases roughly

scales as

ρwind ∝
dṀ

d lnR
v−1windR

−2 ∝ R−3/2 . (1)

If we further assume that the fractions of O I and free electrons are mostly invariant inside the

magnetothermal winds, the differential emission power would roughly scale as dL[O I]/dR ∝ R−1,

indicating that most of the [O I] emission concentrates near the innermost wind-launching region.

Figure 3 also compares the [O I] intensity map of TW Hya with the prediction from magnetothermal

winds based on the non-ideal magnetohydrodynamic (MHD) simulations with consistent thermochemistry39,

and the subsequent far-ultraviolet pumping emission line synthesis28. This generic magnetothermal

wind model has a specific wind mass-loss rate of dṀwind/d lnR ∼ 3 × 10−9 M� yr−1 within 2

AU. The generic model also uses a full disk and not an inner hole, which will affect emission from

the back side of the disk. Without fine-tuning, this model predicts a spatial and spectral profile

that largely matches the observations of [O I] (see a comparison in Figure 3 and Extended Data

Figure 2). The model produces ∼ 1.2 × 10−5 L� in the [O I] line, which is consistent with the
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observed luminosity of ∼ 1.5 × 10−5 L�. The hole in the inner disk allows some of emission on

the back side of the disk to be detected, which will decrease the centroid velocity from our generic

full disk model19, 22.

The [Ne II] emission line should trace different spatial regions in the winds, as it peaks at

slightly outer radii (∼ 1 AU) and higher altitudes in the magnetothermal wind models. Nonetheless,

the model [Ne II] emission exhibits strong agreement with the observed line profile19 with a

luminosity three times weaker than measured18 (see Extended Data Figure 2).

The spatially compact emission region is explained by the magnetothermal winds rather than

photoevaporation. The synthesized emission from photoevaporative models33 expands the major

emission regions up to∼ 25 AU. Detailed analyses based on self-consistent magnetothermal wind

models, including non-LTE effects including the pumping by FUV photons, confirm that the spatial

regions of [O I] emission are concentrated within the innermost ∼1 AU(ref.28). Photoevaporation

may add to the mass loss from high altitudes of the innermost disk, but only when magnetothermal

winds are already blowing39. Moreover, since the magnetothermal winds enhance the gas density

in the disk coronal regions, many photons (including EUV and soft X-ray) from the star that drive

photoevaporation should not be able to reach disk surfaces due to effective shading. Therefore, the

comparison with theoretical models guides us to the conclusion that the magnetothermal wind is

the indispensable mechanism behind the spatial compactness of [O I] emission zones.

The MUSE observations definitively place the [O I] emission from the inner 1 AU of the disk.

Magnetothermal winds recover both the spatial compactness, the flux, and the narrow, slightly
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blueshifted line profile for [O I] emission from the base of the disk wind. These conclusions

provide us with a new perspective to re-evaluate decades of high spectral resolution observations

of [O I] emission6, 7, 9, 21. The emission at large disk radii is more than one order of magnitude

fainter than expected from photoevaporation models, which may indicate that photoevaporation

rates are less than expected; photodissocation of H2O and scattering of vertically elevated [O I]

emission may also contribute to this spatially extended component. In the magnetothermal wind

models the weak photoevaporation at large radii results from opacity in the wind from the inner

disk shielding the outer disk from high energy photons1. Reducing irradiation of the outer disk

would decrease the contribution of photoevaporation in disk dispersal and would also alter the

chemistry by decreasing ionization and photodissociation rates. The blueshifted [Ne II] emission

has been interpreted as evidence for photoevaporation, however a similar spectral line profile is

produced with the generic magnetothermal wind. A similar spatial analysis as performed here is

needed to measure the relative contributions to the production of [Ne II] emission.

These advances are possible because of the high angular resolution offered by MUSE. Previous

observations of winds at such high angular resolution, including with MUSE, have focused mostly

on collimated jets41–45. Prior spectro-astrometry of [O I] emission from a different disk, RU Lup,

indicates a vertical extent of at least 10 AU, without the 2D imaging required to describe the spatial

distribution of the emission in the disk plane46. For TW Hya, the observational results confirm

previous inferences from spectroscopy that the [O I] emission is produced within a compact region22.

Our empirical discovery that the [O I] emission is produced within ∼ 1AU is then interpreted as

emission from the base of the magnetothermal disk wind, based on the a line profile and flux that is

11



consistent with predictions from models of the wind. The empirical measurement is also consistent

with some of the [O I] emission produced in the disk surface, below the wind.

Further observations with MUSE, combined with high resolution spectroscopy and wind

models, will help to assess whether the implications for the MHD wind are generalizable. [O I]

line profiles are rarely double-peaked21, 47, as expected if a non-turbulent wind from a system like

TW Hya were viewed closer to edge-on. Some systems that appear young, including RU Lup, have

different characteristic line emission, including [S II] λ6716,6731, which with further modeling

and observations will allow us to better understand the connection between system properties (age,

disk structure, dust composition) and line shapes.
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Methods

Observations and Data Reduction Observations of TW Hya were obtained with the optical

integral field spectrograph MUSE48 in the Narrow-Field Mode (NFM) in Program 0104.C-0449

(PI Jos De Boer) to search for Hα emission from any accreting protoplanets that might be present.

The adaptive optics (AO) system for MUSE consists of the four laser guide star (LGS) facility and

the deformable secondary mirror (DSM). The LGS wavefront sensors measure the turbulence in

atmosphere, and the DSM corrects a wavefront to provide near-diffraction-limited images. The

MUSE field of view in NFM mode covers 7.′′42 × 7.′′43 with a spatial sampling of 25 × 25 mas2.

TW Hya was observed for a total of 2720 s, split into 16 integrations of 160 s and 4

integrations of 40 s. Individual raw frames are calibrated with the MUSE pipeline v2.8.5 (ref.49)

in two stages. The first stage consists of basic instrumental calibrations (bias and dark subtraction,

flat-fielding, wavelength calibration, measurement of line spread function, geometric calibration,

and illumination correction). The second stage consists of post-calibrations (flux calibration, sky

subtraction, and distortion correction). The absolute flux is calibrated by both an atmospheric

extinction curve at Cerro Paranal and a spectro-photometric standard star stored as MUSE master

calibrations. The instrumental distortion is corrected by a multi-pinhole mask. The astrometric

precision is calibrated and monitored by observing stellar cluster fields with high astrometric

quality from Hubble Space Telescope imaging. We adopted the intrinsic wavelength calibration

accuracy of∼ 0.4 Å (according to the MUSE user manual) because the sky lines were too faint for

any improvement.
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The final spectra cover from 4650 to 9300 Åat a spectral resolution of ∼ 2800 near 6300 Å.

A gap in the spectrum 5780–6050 Å is caused by the sodium laser. The point spread function

(PSF) at 6300 Å has a Gaussian core with a full width of half maximum (FWHM) of∼ 0.′′061 and

broad wings that extend to ∼ 1.′′75. The beam encircles 40% of the flux within 0.′′15 and 90%

within 0.′′9.

Line extraction We extract the MUSE spectrum of TW Hya by performing aperture photometry

within an aperture of 6 pixels on each wavelength plane of the reduced data cubes of individual

exposures. Examples of the extracted spectra near [O I] λ6300 or He I λ6678 of two exposures

are shown in Extended Data Figure 3. After visually inspecting the spectrum near [O I] λ6300 and

He I λ6678 for each exposure, we combine eleven exposures for our final line maps and discard

nine exposures because of bad pixels near the core of the [O I] λ6300 or He I λ6678 emission.

For [O I] λ6300 line extraction, the photospheric absorption features from 6240 to 6355 Å

are fit with a veiled template spectrum, TWA 14, an M0.5 (ref.50) star that provides a good match

to the spectrum of TW Hya (M0.5, ref.51). The template spectrum is obtained from the X-Shooter

template library52 and degraded to the spectral resolution of MUSE, R = 2800 at 6300 Å. The

template is shifted in velocity and veiled by an excess accretion continuum flux, parameterized as

r6320 = Fexcess,6320

Fphot,6320
, where r6320 is the veiling at 6320 Å, Fexcess,6320 is the excess flux at 6320 Å,

and Fphot,6320 is the photospheric emission at 6320 Å. Best fit parameters of r6320 and velocity are

found by minimizing χ2 between the veiled template and the TW Hya MUSE spectrum within

two wavelength ranges, 6287–6246 Å and 6326–6349 Å. In order to account for slightly different

spectral slopes between the TW Hya and TWA 14 spectra, which were observed with different
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instruments, a two-order polynomial function is used to fit the ratio between the MUSE spectra

and template and then used to correct the template before χ2 is calculated. Extended Data Figure 3

shows the best-fit templates (red dashed lines) for the MUSE spectra of two exposures. For the

eleven individual exposures, the best-fit r6320 values range from 0.60–0.67, and velocities range

from 19–26 km s−1.

We note that a hump feature within 6287–6296 Å (Extended Data Figure 3) is present and

similar for the exposures with the same rotation angle. In order to mitigate the effect on the line

extraction from this feature, we average the residual spectra produced by subtracting the MUSE

spectra by the best-fit templates for the exposures with the same instrumental setting. Examples

of best-fit templates plus the mean residual spectra (blue dash-dotted lines) are shown in Extended

Data Figure 3.

For each exposure, we match both the best-fit template and residual-corrected best-fit template

to the MUSE spectrum of TW Hya spaxel-by-spaxel by scaling the flux of template to the MUSE

spectrum at 6320 Å, adjusting the difference on the spectral slope between the template and the

MUSE spectrum in each spaxel using a second-order polynomial function. In this way, we obtain

the best-fitted templates for each spaxel. We derive the [O I] λ6300 line emission in every spaxel by

subtracting the residual-corrected template from the MUSE spectrum. The [O I] λ6300 intensity

map for each exposure is then obtained by integrating the [O I] λ6300 line emission in each spaxel

with an uncertainty estimated using the standard deviation from the template-subtracted residual

spectra (see wavelength ranges for the line extraction and the uncertainty estimate in Extended

Data Figure 3). The templates used here are not corrected for the instrumental residual in order
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to avoid underestimating the noise. To obtain the PSF near the [O I] λ6300 line, we integrate the

flux within the wavelength ranges, 6263–6294 Å and 6308–6339 Å in each spaxel. Uncertainties

are also estimated using the standard deviation described above. A similar procedure is followed

for He I λ6678 (see Extended Data Figure 3). The spectral template is fit to the TW Hya spectrum

from 6620 to 6735 Å, with best-fit veiling values at 6729 Å, r6729, ranging from 0.48–0.59, and

v values ranging from 19–26 km s−1 for the used eleven individual exposures. The wavelength

ranges for obtaining the PSF near He I λ6678 and estimating the uncertainty are 6636–6668 Å and

6689–6721 Å.

Line maps For each exposure, the [O I] λ6300 emission is extracted from the spectrum in each

spaxel as described above. To further establish the significance of this detection, we follow the

same procedures to extract the He I λ6678 intensity map of each exposure. The [O I], He I, and

their nearby continuum images are then coadded across the used eleven exposures. Figure 1

shows the error-weighted mean [O I]λ6300 intensity map, the PSF along horizontal and vertical

slices, the PSF-subtracted [O I]λ6300 intensity map, and the signal-to-noise ratio map for the

PSF-subtracted [O I]λ6300 intensity map. Extended Data Figure 4 provides those same maps for

He I λ6678 line emission. A comparison of the error-weighted mean [O I] and He I images with

their nearby continuum images demonstrates that extended emission is detected in [O I]λ6300 but

not in He I λ6678.

A toy model of O I emission To fit the spatial distribution of [O I] emission, a toy model is

employed with a power-law radial profile for the [O I] intensity, I6300 ∝ R−α, where R is the disk

radius. The profile extends from an inner radius Rin to an outer radius Rout, with I6300 set to zero
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when R < Rin or R > Rout. The profile is then convolved with the PSF, as measured from nearby

continuum regions in the photospheric spectrum.

A model intensity map is first created from a grid of α, Rin, and Rout with the following

parameters: α from 1.5 to 8.5 in steps of 0.1, Rin from 0.06 to 4.22 AU in steps of 0.04 AU, and

Rout from 10 to 82 AU in steps of 3 AU. The model emission is then convolved with the PSF at

the wavelength near the [O I] line and normalized to the observed [O I] intensity map using the

aperture flux within a radius of 6 pixels from the center. The χ2 used to judge each model is

calculated by comparing the model and observed intensities in a circular region centered on the

star with a radius of 55 pixels (∼82.5 AU). Only the pixels with S/N≥2 are used for calculating

χ2.

Extended Data Figure 5 shows the reduced χ2 from the fitting for different sets of Rin and

α (top-left panel), and Rout and α (top-right panel). For each pair of two parameters shown in the

figure, the reduced χ2 is lowest one by setting the third parameter free. The distributions of the

reduced χ2 suggest that α and Rin are constrained very well. The outer radius Rout is not well

constrained, with Rout = 61AU giving the minimum reduced χ2 and any value Rout & 35AU

providing a sufficient fit to the observed radial profile of [O I] emission. At those large distances,

the [O I] emission is faint and does not significantly contribute to the total line flux. Given that

Rout is poorly constrained from fitting, we first fix Rout=61 AU, and further refine the grids of α

and Rin with α starting from 2.0 to 5.5 with a step of 0.001; Rin from 0.06 AU to 1.54 AU with

a step of 0.01 AU. The minimum reduced χ2 = 1.58 from the fitting, shown in the bottom panel

of Extended Data Figure 5, has parameters Rin = 0.08+0.02
−0.01 AU and α = 2.604+0.04

−0.03. Variations of

17



Rout=41, 51, 71, 81 AU givesRin = 0.07+0.01
−0.01, 0.07

+0.01
−0.01, 0.10+0.01

−0.01, and 0.11+0.02
−0.01, respectively, and

α = 2.561+0.03
−0.03, 2.572+0.03

−0.03, 2.652+0.03
−0.02, and 2.677+0.03

−0.02, respectively. The uncertainties correspond

to the 68% confidence level for individual parameters.

[O I] and [Ne II] spectral line profiles With the [O I] intensity distribution derived above, we

further explore the velocity field of the wind traced by [O I] emission. The left panel of Extended

Data Figure 1 shows the distribution of the centroids of the [O I] line profiles derived from the

spectroscopic data collected from PolarBase53, ESO Science Archive Facility, and Keck Observatory

Archive. The data obtained with ESPaDOnS were downloaded from PolarBase, data from FEROS,

HARPS, and UVES from the ESO Science Archive Facility, and data from HIRES obtained from

the Keck Observatory Archive. These spectra are corrected for the telluric absorption and radial

velocities. The telluric absorption models are obtained from TAPAS54 for the data taken with the

instruments (ESPaDOnS and HIRES) on Mauna Kea and from the ESO online SKYCALC Sky

Model Calculator55 for the data obtained with the ESO instruments (FEROS, HARPS, and UVES).

The radial velocities of individual ESPaDOnS, FEROS, HARPS, and UVES spectra spectra are

estimated by cross-correlating the observed spectra with synthetic spectrum with Teff = 4000K

and logg=3.5 (ref.56), in the interval from 6228 and 6272 Å, where emission lines are absent and the

telluric contamination is negligible. The HIRES spectra are wavelength calibrated using the same

technique in the interval from 6277.6 and 6306 Å, since the HIRES spectrum used here does not

fully cover the 6228-6272 Å range. The RVs are derived by cross-correlating the individual spectra

with the synthetic spectrum, which is veiled, rotationally broadened, and degraded to match the

corresponding spectral resolution.
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The [O I]λ6300 line profiles of individual spectra, corrected for the telluric absorption and

radial velocities, are then derived by subtracting best-fit veiled UVES spectra of RECX 10, which

has a similar spectral type (M0.5, ref.50) to TW Hya, from the corrected spectra of TW Hya using

the same method as done for extracting the [O I]λ6300 and He I λ6678 lines from the MUSE

spectra. In the left panel of Extended Data Figure 1, the [O I] line centroids have a mean of

−0.8 km s−1 with a standard deviation of 0.4 km s−1, and 98% of them are blueshifted, which

provides a strong evidence that the [O I] emission originates in the wind. The right panel of

Extended Data Figure 1 compares the [O I] line profiles taken with different instruments. For

the comparisons, the line centroids have been shifted to the mean centroid (−0.8 km s−1) and

the spectral resolutions have been degraded to 40000. We note that the [O I] lines show both

blue wings and red wings and the red wings are more variable than the blue wings. However, an

investigation of the wing variability is beyond the scope of this work.

Extended Data Figure 2 shows the combined [O I] λ6300 line profile (left panel) observed

with UVES during 29th-31th March 2022, and the [Ne II] 12.81µm line profile (right panel)

observed on 23th-24th February 2010 (ref.19). The line centroid is blueshifted by 1.8 km s−1 for

[O I], 1 km s−1 higher than the mean centroid velocity, and 6 km s−1 for [Ne II]. The MHD

disk wind model that provides the radial emission profile in Figure 3, also yields spectral line

profiles that fit both emission lines on the blue wings fairly well without fine-tuning (Extended

Data Figure 2). The emission of magnetothermal winds is mainly located at low altitudes, where

the wind acceleration is far from being finished. Therefore, the blue wing is significantly slower

than the terminal speeds of the winds. The red wing remains unexplained by the MHD wind due to
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the lack of redshifted emission components in disk winds with a face-on configuration. Our generic

model assumes a full disk, and the redshifted emission has been explained by seeing through the

inner hole of the disk22. If winds commonly produce [O I] emission within 1 AU, as empirically

measured here, then double-peaked profiles might be expected for sources viewed edge-on. An

alternate possibility for both the red wing of TW Hya and the general lack of double-peaked

profiles21 is that the wind is turbulent enough to broaden the line profile. However, a turbulent

wind is beyond our current simulation model and will be elaborated in future work.

The [Ne II] line profile19 is well reproduced by the generic magnetothermal disk wind model,

without any fine tuning to actual disk properties of TW Hya. However, the observed flux is

three times stronger than the model flux18. This discrepancy may be explained either by a strong

contribution from photoevaporation to the [Ne II] line flux or by stronger emission in the magnetothermal

wind, if the EUV and soft X-ray emission from the star is underestimated.

We limit the current analysis to demonstrating the consistency between the observed line

profile and an out-of-the-box model, since models are often flexible enough in tuning to explain

any line properties and are therefore less powerful in predictions. In any case, the [Ne II] line will

need to be spatially resolved in order to demonstrate the mass loss rate in any photoevaporative

wind.
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1 Data availability

The raw MUSE data can be taken from ESO archive under programme IDs 0104.C-0449. The

reduced spectral data from other ESO facilities can be download through ESO Phase III archive

with programme IDs 074.A-9021(A), 078.A-9059(A), 079.A-9006(A), 079.A-9007(A), 079.A-9017(A),

081.A-9005(A), 081.A-9023(A), 089.A-9007(A), 0101.A-9012(A), 0102.A-9008(A), 60.A-9036(A),

075.C-0202(A), 081.C-0779(A), 082.C-0390(A), 082.C-0427(C), 65.I-0404(A), 082.C-0218(A),

089.C-0299(A), 106.20Z8.011. The reduced Keck spectral data are download from Keck Observatory

Archive with programme IDs C179Hr, C269Hr, C199Hb, N125Hr C186Hr, N204Hr, C189Hr,

C252Hr, C247Hr. The reduced ESPaDOnS spectra are downloaded from PolarBase.

2 Code availability

The MUSE data are reduced with the MUSE pipeline v2.8.5 which is publicly available. Upon

request, the first author will provide code (IDL) to generate figures.
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Extended Data Figure 1: [O I] λ6300 line profiles of TW Hya. Left Panel: Distribution of the
[O I] λ6300 line centroids of TW Hya and. These spectra are taken with ESPaDOnS (gray color
filled histogram), FEROS or HARPS (maroon line filled histogram), and UVES or HIRES (olive
open histogram). The numbers of the used spectra from individual instruments are shown in the
figure. Right panel: Comparisons of the [O I] λ6300 line profiles of TW Hya. For the comparisons,
the centroids of the lines have been shifted to the mean centroid (−0.8 km s−1) and the spectral
resolutions have been degraded to 40000. The colors are the same as in the left panel.

Extended Data Figure 2: [O I] λ6300 and [Ne II] 12.81µm line profiles. Comparisons of the
observed [O I] λ6300 (left) and [Ne II] 12.81µm (right) line profiles (cyan filled circles) with the
simulated ones from the MHD wind model (golden-color filled area for disk inclinations ranging
from 5◦ to 7◦).
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Extended Data Figure 3: Template fits to the observed MUSE spectra near [O I] λ6300 and
He I λ6678 line. Top two panels show the example spectra near [O I] λ6300 (gray lines) of two
exposures. In each panel, the red dashed line is the best-fit template, and the blue dash-dotted
line for the best-fit template correcting for the residual. The grey color filled area marks the
wavelength range within which the [O I] λ6300 line is extracted, and the grey line-filed areas mark
the wavelength ranges within which the uncertainties are estimated and the fluxes are integrated to
construct PSF. Bottom two panels are same as the top two panels, but for He I λ6678 line.
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Extended Data Figure 4: Error-weighted mean He I λ6678 intensity map. Upper-left panel:
Error-weighted mean He I λ6678 intensity map of TW Hya. Upper-right panels: Two slice cuts
(yellow lines) for He I λ6678 line map shown in the upper-left panel, overplotted with the PSF
(dark dashed lines) near He I λ6678. The dotted line in each panel is the standard deviation along
the slice cut. Lower-left panel: He I λ6678 line residual map after a subtraction of a PSF which
has been normalized to line map by the peak emission. Lower-right panel: the signal-to-noise ratio
map for the He I λ6678 line residual map shown in the Lower-left panel. The cyan and blue lines
show contours with S/N=2 and 3, respectively.
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Extended Data Figure 5: Reduced χ2 for the toy models. Top two panels: Reduced χ2 from
the coarse grids of the three free parameters: α, Rin and Rout. In each panel, the reduced χ2 for
each pair of two parameters is lowest one by setting the remaining parameter free. Bottom panel:
Reduced χ2 from the fine grid of α and Rin with Rout = 61AU. In each panel, the pentagram
symbol marks the minimum reduced χ2.
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ABSTRACT 

We aim to unravel the interplay between bars, star formation (SF), and active galactic nuclei (AGNs) 

in barred galaxies. To this end, we utilize the SDSS DR12 to select a sample of nearby (0.02 <z< 0.06) 

disk galaxies that are suitable for bar examination (M, < —20.12 and inclination < 53°). We identify 

3662 barred galaxies and measure the length and axis ratio of each bar. We invent new bar parameters 

that mitigate the stellar and bulge mass biases and show, for the first time, that the evolution of 

non-AGN and AGN-hosting barred galaxies should be tracked using different bar parameters; the bar 

length for non-AGN galaxies and the bar axis ratio for AGN-hosting galaxies. Our analysis confirms 

that barred galaxies have a higher specific SF rate than unbarred control galaxies. Moreover, we find 

a positive correlation of bar length with both the SF enhancement and the centrally star-forming 

galaxy fraction, indicating the interconnectivity of bars and SF through the bar-driven gas inflow. We 

also find that while the AGN fraction of barred galaxies is the same as that of the unbarred control 

sample, galaxies hosting more massive black holes (BHs) have rounder (i.e., higher axis ratio) bars, 

implying that the bar is not a cause of AGN activity; rather, AGNs appear to regulate bars. Our 

findings corroborate theoretical predictions that bars in non-AGN galaxies grow in length, and bars in 

AGN-hosting galaxies become rounder as BHs grow and eventually get destroyed. 

Keywords: Active galactic nuclei (16), Galaxy evolution (594), Galaxy structure (622), Star formation 

(1569), Galaxy bars (2364) 

1. INTRODUCTION 

The bar is one of the common (~30%) features of disk 
galaxies (e.g., Eskridge et al. 2000; Knapen et al. 2000; 

Reese et al. 2007; Menéndez-Delmestre et al. 2007; Mari- 

nova & Jogee 2007; Barazza et al. 2008; Aguerri et al. 

2009; Masters et al. 2011; Lee et al. 2012a; Simmons 

et al. 2014; Erwin 2018; Kim et al. 2020; Géron et al. 

2021). Due to gas inflow driven by the non-axisymmetric 

potential (Sellwood & Wilkinson 1993; Piner et al. 1995; 

Sakamoto et al. 1999; Regan et al. 1999; Maciejewski 

et al. 2002; Regan & Teuben 2004; Kim et al. 2012; Sell- 

wood 2013; Zana et al. 2019), bars are thought to be con- 

Corresponding author: Suk-Jin Yoon 

sjyoon0691@yonsei.ac.kr 

nected with galactic evolution, through such processes 

as star formation (SF) (Martinet & Friedli 1997; Allard 
et al. 2006; Vera et al. 2016; Robichaud et al. 2017; Kim 

et al. 2017; Fraser-McKelvie et al. 2020a; Wang et al. 

2020; Moon et al. 2022; Lu et al. 2022) and/or active 
galactic nucleus (AGN) activity (Shlosman et al. 1989; 
Combes 2001; Alonso et al. 2013; Alonso et al. 2014; 

Galloway et al. 2015; Kim & Choi 2020). However, the 

exact mechanisms are still controversial. Over decades, 

both observations and simulations have yielded diverse 

results. 

Whether bars enhance or suppress SF is not clear 

(e.g., Pompea & Rieke 1990; Martinet & Friedli 1997; 

Chapelon et al. 1999; Knapen et al. 2006; Cheung et al. 

2013; Willett et al. 2015; Kim et al. 2017; Wang et al. 

2020). Conventionally, it is thought that barred galax-
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ies have higher star formation rates (SFRs) than un- 
barred galaxies, particularly at the center (Athanassoula 

1994; Sakamoto et al. 1999; Sheth et al. 2005; Ellison 

et al. 2011; Coelho & Gadotti 2011; Wang et al. 2012; 

Zhou et al. 2015; Chown et al. 2019; Lin et al. 2020). 

Star formation in barred galaxies is typically enhanced 

along the length of the bar (e.g., NGC 1022 by Garcia- 

Barreto et al. 1991; NGC 1073 and 3059 by Phillips 1996; 

NGC 1530 by Zurita & Pérez 2008; NGC 2903 by Leon 

et al. 2008) and within the circumnuclear ring region 

(e.g., NGC 6782 by Windhorst et al. 2002; NGC 3081 
by Byrd et al. 2006; NGC 1097 by Prieto et al. 2019). 

Coelho & Gadotti (2011) found an excess of young stel- 
lar populations in barred galaxies’ bulges, indicating 

bar-driven central SF enhancement. Using integral field 

spectroscopy, Chown et al. (2019) showed that barred 

galaxies have higher central molecular gas concentra- 

tion, which leads to higher SFRs. Lin et al. (2020) an- 
alyzed two-dimensional maps of EW(Ha), EW(H6,), 
and D,,(4000) and found that barred galaxies exhibit 

higher concentration of SF than unbarred galaxies. On 

the other hand, it has been shown that on a global scale, 

barred galaxies have less SF activity than unbarred 

galaxies (Masters et al. 2012; Spinoso et al. 2017; Khop- 

erskov et al. 2018; George et al. 2019a; Fraser-McKelvie 

et al. 2020b; Géron et al. 2021; George & Subramanian 

2021). Fraser-McKelvie et al. (2020b) found that barred 
galaxies are more common in redder and passive galaxies 

with lower gas fractions. George & Subramanian (2021) 
showed that galaxies that host larger bars tend to have 

lower SFRs. 

Similarly, the interplay between bars and the AGNs 

is complex (e.g., Moles et al. 1995; McLeod & Rieke 

1995; Ho et al. 1997; Hunt & Malkan 1999; Shlosman 

et al. 2000; Berentzen et al. 2007; Zhang et al. 2009; 

Oh et al. 2012; Cisternas et al. 2013; Cheung et al. 

2015; Robichaud et al. 2017; Martel et al. 2018; Alonso 

et al. 2018; Kim & Choi 2020; Lokas 2022). According 

to previous simulations, the bar-driven inflow has been 

an efficient mechanism for fuelling black holes (BHs) 
at the galactic center (Combes 2001; Emsellem et al. 
2015; Fanali et al. 2015). Some observations showed an 
increase in the AGN fraction and strength for barred 

galaxies against their unbarred counterparts, support- 

ing the mechanism of bar-induced AGNs (Alonso et al. 
2013; Cisternas et al. 2015; Audibert et al. 2019). How- 

ever, other studies claimed that there is no direct link 

between the presence of bars and AGN activity (Hunt & 
Malkan 1999; Gadotti 2008; Zhang et al. 2009; Lee et al. 

2012a; Cisternas et al. 2013; Galloway et al. 2015; Cis- 

ternas et al. 2015; Goulding et al. 2017; Silva-Lima et al. 

2022). Cisternas et al. (2013) used the Spitzer Survey of 

Stellar Structure in Galaxies (S*G) images to determine 
bar strength and compared it to X-ray luminosity and 

the Eddington ratio of AGNs from Chandra observa- 

tions. They found no detectable correlation between the 

bar and AGN strength. Based on bar classification from 

Galaxy Zoo 2 (GZ 2), Goulding et al. (2017) showed 
that large-scale bars do not play a significant role in 

the accretion rate of AGNs. However, Silva-Lima et al. 

(2022) found that the accretion rate of AGNs is higher in 
barred galaxies when they adopted different correlations 

between BH mass and central stellar velocity dispersion 

for barred and unbarred galaxies. 

To explain these disparate results, recent efforts fo- 

cused on the time-dependent bar evolution since z~1 

(e.g., Okamoto et al. 2015; Spinoso et al. 2017; Zana 

et al. 2018; Debattista et al. 2019; Zana et al. 2019; 

Zhou et al. 2020; Kim et al. 2021; Cavanagh et al. 2022; 

Reddish et al. 2022; Lee et al. 2022; Bi et al. 2022). The 

redistribution of angular momentum through bars can 

enhance SF at the early stage of bar growth (Athanas- 

soula 2005; Athanassoula et al. 2013; Athanassoula 2013; 

Jang & Kim 2022), but later this process leads to SF 

quenching due to a rapid gas consumption (Jogee et al. 

2005; Sheth et al. 2005; Hunt et al. 2008; Carles et al. 

2016; Newnham et al. 2020). Also, Combes (2000) and 
Bournaud & Combes (2002) simulated that, after the 
bar-driven sufficient gas infall feeds AGNs, bars become 
rounder and are self-destroyed on ~1 Gyr time-scale. 

More recently, using Ilustris-1 and TNG100 simula- 

tions, Zhou et al. (2020) showed that the efficiency of SF 
in barred galaxies declines during the evolution of the 

bar structure, as the effect of AGN feedback increases. 

Therefore, the presence of bar structures alone does not 

adequately reflect bar-driven secular evolution. It needs 

to be investigated how SF and AGN activities are cor- 

related with the growth and destruction of bars. 

Bars grow in length as they evolve (Hernquist & Wein- 

berg 1992; Debattista & Sellwood 1998; Athanassoula 

2003; Algorry et al. 2017; Zhao et al. 2020; Lokas 2021), 

thus, the length of bar structures was usually used as 

an indicator of how much a bar evolves. The relative 

bar length, which is defined as the bar’s physical length 

normalized by the size of the galaxy, is a particularly 

useful measure. It should be noted that the relative size 

of the bar can depend on factors such as the galaxy’s 

stellar mass, the bulge-to-total mass fraction (B/T), and 
the morphological type along the Hubble sequence (see 

the results of Hoyle et al. 2011; Oh et al. 2012; George 

& Subramanian 2021; Kim et al. 2021). Erwin (2018) 
and Erwin (2019) analyzed barred galaxies from the S*G 
and found a two-fold correlation between bar length and 

galaxy stellar mass: bar length is constant for less mas-
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sive galaxies (M,/Mo <10'°:'), while there is a strong 
increasing trend for massive galaxies (M,/Mo >10'°"). 
The author also suggested that the dependence of bar 

size on the morphological type is a side effect of that 

of stellar mass. Whether the bar size depends on stellar 

and bulge masses is crucial for studying bar-driven secu- 

lar evolution because SF and AGN activities are closely 

correlated with stellar mass. 

In this paper, we investigate the interplay of bars with 

SF and BH for non-AGN and AGN barred galaxies, re- 

spectively. Our main questions in this study are: (a) 

What is the best parameter of the bar strength with- 

out the contamination of an undesired selection bias? 

and (b) How does bar-driven secular evolution interplay 

with SF and BH activities? To address them, we measure 

the bar properties such as the length and axis ratio of 

~3700 face-on barred galaxies in the local universe (0.02 

<z< 0.06) from the SDSS Data Release 12 (DR12). We 
confirm that bar properties depend on stellar and bulge 

masses. We then, for the first time, define new param- 

eters of bar strength to disentangle the effect of host 

galaxy properties. 

The paper is organized as follows. In Section 2, we in- 

troduce our sample and explain how we estimate the bar 

properties using our automated scheme. In Section 3, we 

show the bar properties as functions of stellar and bulge 

masses, and derive new parameters of the bar strength. 

In Section 4, we investigate how SF and BH activities de- 

pend on the bar properties and how they interplay with 

each other. In Section 5, we summarize our result in the 

context of a new concept of the chronological bar-driven 

secular evolution. 

2. DATA AND METHODOLOGY 

2.1. Observational Data 

All the galaxies used in this study are selected from 

the SDSS DR12 database (Alam et al. 2015; Beck et al. 
2016) by using the SDSS CasJob. We choose ~76,000 
sources classified as galaxy and retrieve their images and 

spectra. We select sample galaxies in the redshift range 

0.02 < z < 0.06 and with r-band Petrosian absolute 

magnitude brighter than —20.12. The redshift and mag- 

nitude range corresponds to the completeness limit (m, 

~ 17) of the SDSS DR12 spectroscopic catalog at z = 

0.06. We select a sample of ~10,000 nearly face-on disk 

galaxies classified as “spiral galaxy other” in the GZ 2 

(Willett et al. 2013), according to the following criteria: 
(a) galaxies that are flagged as spirals, requiring at least 

80% of the volunteer votes for the spiral category after 

the de-biasing procedure, and (b) galaxies that are clas- 

sified as “not edge-on” spirals, with more than half of the 

volunteers voting for the spiral category. Then, we refine 

our sample by cross-referencing it with the SDSS DR7 

(Abazajian et al. 2009) catalog and retain only those 

galaxies with an apparent axis ratio of IsoA,/IsoB, > 

0.6. This cut-off corresponds to an inclination 7 < 53°, 

ensuring that our sample predominantly comprises disk 

galaxies with a nearly face-on orientation, thus facilitat- 

ing the detection of bars. 

The emission line fluxes and stellar kinematics are 

taken from Sarzi et al. (2006) and Thomas et al. (2013), 
which are measured from the SDSS spectra using Gas 

AND Absorption Line Fitting (GANDALF) and penal- 
ized PiXel Fitting (pPXF) code (Cappellari & Emsellem 
2004). The catalog lists emission line fluxes such as Ha, 
HB, [OII]], and [NIJ]. To investigate the effect of bar- 
driven secular evolution on SF and AGNs separately, we 

divide our sample into non-AGN and AGN host galax- 

ies using the distribution on the BPT diagram (Baldwin 

et al. 1981; Kauffmann et al. 2003). We restrict our AGN 
sample galaxies having the Ha, HB, [OII]], and [NII] 
lines with the signal-to-noise ratio (S/N) > 3. Galaxies 
above the theoretical lower limit for AGN host galax- 

ies expected by Kauffmann et al. (2003) are classified as 
AGN host galaxies. Galaxies that are below the same 

limit or do not appear in the BPT diagram due to their 

feeble emission lines are defined as non-AGN galaxies. 

We match our selected sample with the catalog by 

Chang et al. (2015) to obtain the global specific star 

formation rates (sSFRs). Chang et al. (2015) com- 
bined the SDSS and the Wide-Field Infrared Survey 

Explorer (WISE) photometry for ~1 million galaxies 

and constructed a comprehensive catalog of SFRejobal 

and sSFReiobal using the MAGPHYS (da Cunha et al. 

2008; da Cunha et al. 2015) spectral energy distribution 

(SED) modeling code. Also, the impact of bar-driven 

evolution is usually expected to happen in the central 

region within 1-3 kpc. To examine the central SF en- 

hancement, we use the fiber SFR and sSFR from the 

MPA/JHU catalog (Brinchmann et al. 2004). This cat- 
alog provides SFRpjper and sSFRpiper estimated by the 

reddening-corrected Ha luminosity. Considering the red- 

shift range in this study, the SDSS 3” fiber exactly covers 

the physical size of 1-3 kpc. 

The size and stellar mass of galaxies are taken from 

the catalogs by Simard et al. (2011) and Mendel et al. 
(2014). These catalogs provide extensive photometric 

data of approximately 660,000 galaxies in the SDSS. In 

Simard et al. (2011), the bulge and disk components 
were decomposed using all ugriz wavebands and the 

GIM2D bulge + disk fitting code. They estimated the 

half-light radius for each component and the B/T in 

the g- and r-bands. Following the result, Mendel et al. 

(2014) measured the stellar mass of the bulge, disk, and
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total components separately. They showed that the es- 

timation of the stellar mass is more accurate for face-on 

galaxies due to lower statistical uncertainty. We only 

select reliable galaxies within five times the standard 

deviation based on the correlation between total masses 

and the sum of the bulge and disk masses. 

2.2. Bar Classification and Measurements 

We identify and measure bar structures automatically. 

There are several methods that have been used to detect 

bars in galaxies, including visual inspection of galaxy 

images (Kormendy 1979; de Vaucouleurs et al. 1991; 

Martin 1995; Hoyle et al. 2011), photometric decom- 

position of the surface brightness distribution (Ann & 

Lee 1987; Aguerri et al. 2000; Aguerri et al. 2003; Reese 

et al. 2007; Méndez-Abreu et al. 2017), and tracing the 

variation of the position angle (PA) and ellipticity (¢) 
of galaxy isophotes (Wozniak et al. 1995; Laine et al. 

2002; Jogee et al. 2004; Marinova & Jogee 2007; Barazza 

et al. 2008; Aguerri et al. 2009; Barazza et al. 2009; 

Li et al. 2011; Oh et al. 2012; Diaz-Garcfa et al. 2016; 

Consolandi 2016; Erwin 2018; Yu et al. 2022; Tawfeek 

et al. 2022; Guo et al. 2022). In this study, we follow the 

isophotal PA and € method described by Aguerri et al. 

(2009), Barazza et al. (2009), Consolandi (2016) and Er- 
win (2018). The PA and € are estimated by ellipse fitting 
to the surface brightness distribution of galactic disks. 

The ellipse fitting method has been extensively used in 

both observational and simulational efforts on galactic 

bars (Michel-Dansac & Wozniak 2006; Hilmi et al. 2020; 

Zhao et al. 2020; Fragkoudi et al. 2021). 
We retrieve the corrected frames of our sample galax- 

ies from the SDSS Data Archive Server, which has been 

bias-subtracted, flat-fielded, and pixel-defect corrected. 

We then crop 500 x 500 pixel (195”195”) FITS im- 
ages centered on the sample galaxies. We manually re- 

move non-target components like foreground stars, back- 

ground galaxies, and other artifacts individually. This 

study uses only r-band galaxy isophotes due to their 

higher S/N compared to u-, i-, and z-bands. Also, the 

galaxy size and mass catalog by Simard et al. (2011) 
and Mendel et al. (2014) contain g- and r-band. We do 
not find any differences between bar measurements in g- 

and r-bands. 

We start by ellipse fitting to the galaxy isophotes us- 

ing the IDL MPFITELLIPSE procedure based on the 

non-linear least squares fitting MPFIT routine (Mark- 
wardt 2009). From outside a galaxy toward its center, 

this procedure automatically fits each contour line with 

the formula of an ellipse like 

x(t) = acos(t) cosd — bsin(t) sind 

y(t) = acos(t) sing + bsin(t) cos¢, 
(1) 

where a and 6 are values of the major and minor axes, 

and ¢ is the PA i.e., the misalignment between the x- 

axis and the major axis of a fitted ellipse. By definition, 

€ for each fitted ellipse is calculated by 

€= V/1-(b/a)? . (2) 

The location where the bar ends in face-on galaxies 

produces a peak of the ¢€ profile with a nearly constant 

PA within the bar radius (Wozniak et al. 1995; Jogee 
et al. 2004; Marinova & Jogee 2007; Barazza et al. 2008; 

Aguerri et al. 2009; Consolandi 2016). Thus, the bar 

ends are identified at the position where the € is maxi- 

mum and the PA begins to change rapidly. To identify 

barred galaxies automatically, we compare whether the 

€ profile exhibits a rapid increase followed by a rapid 

decrease (Ae > 0.08), and the PA is roughly constant 
within the bar radius (APA < 40°). Using a simple test 
on artificial galaxies, Aguerri et al. (2009) showed that 
these criteria maximize the bar identification with the 

lowest bad/spurious detection. Figure 1 illustrates the 

best examples of the radial profile of PA and ¢ for barred 

galaxies in our sample. The red vertical dashed line in 

the middle and right columns represents where the bar 

ends. The € value changes more significantly with a lower 

measurement error than PA. Thus, we derive bar radius 

TBar aS the radius where e€ reaches the maximum, not 

based on the variation of PA. 

Although we use nearly face-on galaxies, the inclina- 

tion of the galactic disk still affects the measurement of 

the bar length and axis ratio. In order to conduct a more 

accurate analysis, we follow the correction formula for 

the projection effect by Martin (1995), such that 

Lear = 2rBar (cos?0, + sec?isin?6,)'/?, (3) 

where Lpar is the de-projected bar length, 6, is the mis- 

alignment angle between the major axis of the bar and 

the galactic disk, and 7 is the inclination of the galaxy. 

To estimate the bar length, rpa; is multiplied by two. 

The de-projected bar axis ratio (b/a)par is also derived 

from the formula, such that 

b/a)Bar = — | _-—-— 
(b/a)p a | cos26, + sec2isin?6, 

b | cos?6, + sec?ésin?6, We seem 
where 0, and & are the misalignment angle between 

the major and minor axes of the bar and the galactic 

disk, respectively. This de-projection procedure is widely 

adopted by many observational studies of barred galax- 

ies (e.g., Gadotti et al. 2007; Oh et al. 2012; Slavcheva- 

Mihova & Mihov 2011; Zou et al. 2014; Font et al. 2017; 

Tahmasebzadeh et al. 2021).
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Figure 2 shows postage-stamp examples of the multi- 

band SDSS images of barred galaxies. We identify 3662 

barred galaxies out of ~10,000 nearly face-on disk galax- 

ies in the local universe. The fraction of barred galaxies 

(~30%) in our sample is consistent with other previ- 
ous observations (Eskridge et al. 2000; Laurikainen & 
Salo 2002; Marinova & Jogee 2007; Sheth et al. 2008; 

Cameron et al. 2010; Masters et al. 2011; Hoyle et al. 

2011; Skibba et al. 2012; Melvin et al. 2013; Melvin et al. 

2014; Simmons et al. 2017). Figure 3 shows the distri- 
bution of resulting Dpar and (b/a)gar of barred galaxies 

among our sample. On average, longer bars tend to be 

more elongated. This result is well consistent with pre- 

vious observations (Martin 1995; Hoyle et al. 2011; Buta 

et al. 2015; Consolandi 2016; Lee et al. 2020). 

2.3. Control Sample 

The SF and AGN activity do not evolve indepen- 

dently, and they cooperate/compete with each other in 

barred galaxies (Gadotti & Eustdquio de Souza 2004; 

Lin et al. 2013; Robichaud et al. 2017; Khoperskov et al. 

2018; Kim & Choi 2020; Kim et al. 2020). Robichaud 

et al. (2017) demonstrated that the AGN feedback gen- 
erally pushes gas outward and inhibits further SF in 

unbarred galaxies; however, the effect of bar-driven gas 

inflow compensates for the negative AGN feedback in 

barred galaxies. This complicated interplay between SF 

and AGNs can diminish the imprints of bars on them. 

Many observations showed that positive and negative 

AGN feedback on SF happens simultaneously in barred 

galaxies (e.g., NGC 6810 by Strickland 2007; NGC 1097 
by Lin et al. 2013; NGC 1068 by Garcia-Burillo et al. 

2014; NGC 1365 by Venturi et al. 2017; NGC 5728 by 

Shin et al. 2019; NGC 5643 by Garcia-Bernete et al. 

2021). Thus, it needs to be investigated how a bar plays 

a role in SF and AGN activity individually without the 

contamination by the interplay between themselves. 

Previous studies clearly showed that the bar fraction 

depends on redshift (e.g., Sheth et al. 2008; Melvin et al. 
2014; Simmons et al. 2014; Cisternas et al. 2015; Vera 

et al. 2016), stellar mass (e.g., Masters et al. 2011; Diaz- 

Garcia et al. 2016; Vera et al. 2016; Erwin 2018), B/T 

(e.g., Vera et al. 2016; Kataria & Das 2018; Lee et al. 

2019), and environments (e.g., Skibba et al. 2012; Lin 

et al. 2014; Vera et al. 2016; Sarkar et al. 2021; Smith 

et al. 2022; Tawfeek et al. 2022). Moreover, it is well es- 

tablished that the existence of AGNs also relies on the 

intrinsic properties of galaxies. Hence, we first classify 

barred galaxies into non-AGN and AGN-hosting galax- 

ies based on the BPT diagnostic. We then carefully con- 

struct control samples of unbarred galaxies for non-AGN 

and AGN barred galaxies, separately. We examine the 

bar-driven effect on SF only for non-AGN barred galax- 

ies, whereas AGN-hosting barred ones are selected to 

investigate links between bars and BHs only. 

Figure 4 shows the distributions of redshift, stellar 

mass, B/T, and local density, Log(X45), of non-AGN and 
AGN barred galaxies with respect to unbarred galaxies. 

The projected local density is derived by 

x N 5 
XN dy? , ( ) 

where dy is the comoving distance to the N*” closest 

neighboring galaxies. Log(X45) is defined as the average 
of Log(=n) for N = 4 and 5 as described by Baldry et al. 
(2006). The redshift distribution reveals that barred 

galaxies become less common at higher redshifts. In ad- 

dition, analysis of other parameters shows that barred 

galaxies tend to have lower B/T, higher stellar mass, and 

higher Log(X45) compared to unbarred galaxies. This 
result is consistent with previous studies (Nair & Abra- 
ham 2010; Lee et al. 2012a; Melvin et al. 2014; Simmons 

et al. 2014; Lee et al. 2019). Both observations and sim- 
ulations demonstrate that it is difficult to produce bars 

in gas-rich, high-redshift galaxies (Bournaud & Combes 

2002; Villa-Vargas et al. 2010; Athanassoula et al. 2013; 

Seo et al. 2019; Zhou et al. 2020). Galactic interactions, 
which are more common in dense environments, are a 

major contributor to bar formation, as evidenced by the 

higher bar fraction among interacting galaxies in such 

environments (Skibba et al. 2012; Lee et al. 2012a; Lin 

et al. 2014; Sarkar et al. 2021). 
To account for these intrinsic differences, we randomly 

select galaxies from the sample of unbarred galaxies to 

have a similar distribution of redshift (bin range of + 

0.005 dex), stellar mass (+ 0.01 dex), B/T (+ 0.01 
dex), and Log(X45) (+ 0.01 dex) for non-AGN and AGN 

barred galaxies. In Figure 5, we compare barred galaxies 

and the control sample. The distribution of the control 

sample is nearly identical to those of barred galaxies. 

3. NEW BAR PARAMETERS 

Conventionally, the relative bar size, which is normal- 

ized by the host galaxy’s size, and b/a of the bar are 

widely used to represent the bar strength. These param- 

eters are assumed to be independent of stellar mass and 

B/T. However, there are still detectable dependencies 
of stellar and bulge mass on relative bar size even after 

the normalization (see the results of Hoyle et al. 2011; 

Oh et al. 2012; George & Subramanian 2021; Kim et al. 

2021). Only a few efforts investigated the possibility of 

intrinsic dependencies on the bar size measurement. For 

example, Erwin (2019) used the S*G bar identification 
method from Buta et al. (2015) and measurements by
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Herrera-Endoqui et al. (2015) to investigate the relation- 
ship between bar size and various parameters, including 

stellar mass and disk size. They claimed that barred 

galaxies tend to be more extended in size at the same 

stellar mass and there is a two-fold correlation between 

bar length and stellar mass. 

The different efficiency of bar growth depending on 

galaxy mass can explain the correlation between rel- 

ative bar size and stellar mass. Kraljic et al. (2012) 
found that the bar formation usually happens at redshift 

z ~ 0.8—1, and more massive galaxies (M,./Mo ~ 10'') 
form their bar structures earlier. Using the EAGLE sim- 

ulation, Cavanagh et al. (2022) found that the episodes 
of creation, destruction, and resurgence of bar struc- 

tures are repeated with a mean lifetime of ~2.24 Gyr, 

and some galaxies undergo multiple bar formations from 

z = 1 to 0. The lifetime for bars in lower mass galax- 

ies (M,/Mo < 101°) is slightly shorter (~2.01 Gyr) 
than bars in more massive galaxies (~2.46 Gyr). Rosas- 
Guevara et al. (2022) identified ~1,000 barred galaxies 

using the TNG50O simulation and traced the evolution of 

their bars at the redshift range from z = 4 to 0. They 

showed that bar extents and disk scale lengths posi- 

tively correlate with stellar mass, and the dependence 

on disk scale length is stronger. Thus, the relative ratio 

between bar extents and disk scale lengths is not a flat 

function of the disk scale length and shows a decreas- 

ing trend. In observations, using a sample of 257 galax- 

ies between 0.1 < 2 < 0.84, Sheth et al. (2012) found 
that the dynamically hotter disks, increased turbulence 

of gas accretion, and elevated interaction/merger rates 

hinder bar formation in lower mass galaxies specifically 

at higher redshift. Using a classification from the GZ 2, 

Skibba et al. (2012) showed that bars favor inhabiting 
more massive and redder haloes irrespective of environ- 

mental influences. These studies speculated that more 

massive galaxies construct bars earlier and have longer 

time-scales for their bars to grow in size. This finding 

suggests that it is important to consider intrinsic biases 

when studying bar properties. As a result, in this sec- 

tion, we compare how the measured bar properties vary 

with intrinsic galactic properties and attempt to derive 

new bar parameters that avoid stellar mass and B/T 

biases. 

3.1. The Dependence of Bar Properties 

In Figure 6, we show the distribution of measured 

bar properties on the stellar mass versus B/T plane. 

We use two bar parameters: corrected and normalized 

bar size, Dpar/2Rs50, where Rso is the radius which con- 

tains 50% of the Petrosian fluxes, and bar’s axis ratio, 

(b/a)par- The bar properties are correlated with both 

stellar masses and B/T. Even when using the normal- 
ized bar length, Dpar/2Rs50, the stellar mass and B/T 

dependencies are clearly detectable. Moreover, we find 

an interesting and unexpected discrepancy between non- 

AGN and AGN barred galaxies. For non-AGN barred 

galaxies, the bar length, Dpar/2Rs50, positively corre- 

lates with the stellar mass. In contrast, for AGN barred 

galaxies, Lpar/2Rs50 decreases as stellar mass increases. 

For non-AGN barred galaxies, (b/a)par shows the com- 
plicated bimodal distribution. (b/a)par decreases as 

stellar mass increases at the lower stellar mass range 

(M,./Ms < 10'°-?°), whereas (b/a)par of massive galax- 
ies (M,/Ms > 10°?5) are strongly correlated with 
B/T than stellar mass. In contrast, (b/a)par of AGN 

barred galaxies exhibit a more monotonic trend on the 

parameter space. More massive and bulge dominant 

AGN barred galaxies show larger (b/a)par. The discrep- 

ancy between non-AGN and AGN barred galaxies sug- 

gests that bar-driven evolution may affect these types of 

galaxies differently, with varying degrees of efficiency. 

In Figure 7 and Figure 8, we respectively compare 

the distribution of stellar mass and B/T of galaxies 

with different Dpar/2Rs50 and (b/a)par. Many previous 

studies on barred galaxies typically treated bar length 

and axis ratio as being independent of stellar mass and 

B/T, and classified bars as weak or strong based on 

the bar’s length or b/a parameters only. Following the 

conventional definition, we divide stronger and weaker 

bars based on the medians of bar properties; Dpar/2Rs50 

= 1.0 and (b/a)par = 0.28 lines. As illustrated in Fig- 
ure 7, non-AGN barred galaxies with relatively longer 

bars (Lgar/2Rs50 > 1.0) are more massive and more 

bulge dominant than non-AGN galaxies with shorter 

bars, whereas AGN barred galaxies with longer bars 

are slightly less massive than AGN galaxies with shorter 

bars. This opposite correlation between stellar mass bias 

and DLgar/2Rs0 for non-AGN and AGN barred galax- 

ies is consistent with our result illustrated above. How- 

ever, due to the shallower range of stellar mass for AGN 

barred galaxies, it is difficult to detect a strong dif- 

ference in the stellar mass distribution between AGN 

barred galaxies with shorter and longer bars. On the 

other hand, the effect of division by (b/a)par is more 

prominent for B/T distribution than by Dpar/2Rs50. As 

illustrated in Figure 8, non-AGN and AGN barred galax- 

ies with relatively more elongated bars ((b/a)Bar < 0.28) 
are less bulge dominant than galaxies with rounder bars. 

This implies that dividing stronger and weaker bars by 

Lgar/2R50 and (b/a)par is insufficient to eliminate bias 

related to stellar mass and B/T. It is well established 
that SF and AGN activities are tightly connected to
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those intrinsic values. Thus, it is necessary to derive new 

bar parameters independent of stellar mass and B/T. 

3.2. The Definition of New Bar Parameters 

To derive new parameters independent of the effect 

of stellar mass and B/T together, we compare the 3- 

D distribution of stellar mass, B/T, and bar prop- 

erties. Then we define new parameters A [Lpar/2Rs50| 

and A[(b/a)par| as the differences in Dgar/2R50 and 

(b/a)Bar with respect to values on the best-fitted poly- 
nomial planes which are defined by the formula, such 

that 

z=atbe+cy+ da? 4+ exy+ fy?+ 5 

gx? + hay + iay* + jy, (6) 

where z and y are stellar mass and B/T, respectively, 

with the different sets of coefficients for non-AGN and 

AGN barred galaxies. Each value of coefficients is shown 

in Table 1. After the multi-parameter normalization, our 

newly defined bar parameters are nearly independent of 

the two host galaxy properties. Figure 9 is the same as 

Figure 6 but for A [Zgar/2R50] and A[(b/a)gar| with a 

zoomed-in (x 0.1) range of the parameter values. Two 
parameters A [Lpar/2R50] and A[(b/a)par] still rely on 
stellar mass and B/T, but the dependencies are fairly 

negligible compared to Lpar/2Rs59 and (b/a)par, which 

have been conventionally used in previous studies. 

4. INTERPLAY OF BARS WITH SF AND AGNS 

The impact of bars on the evolution of SF and AGN 

activities is not yet fully understood, despite the impor- 

tance suggested by numerous studies. Some researches 

showed that galaxies with longer bars exhibit enhanced 

SFRs, whereas others suggested that bars halt further 

SF. Similarly, whether the existence of bars makes more 

vigorous BH activity is inconclusive. To find out how 

bars affect the evolution of galaxies, we delve into the 

sSFR and BH mass as functions of the bar properties. 

4.1. Interplay between Bars and SF Activities for 

Non-AGN Galaxies 

In the left panel of Figure 10, we show sSFReaiobal 

of barred and unbarred galaxies as a function of stel- 

lar mass. We use non-AGN barred galaxies and their 

corresponding control sample to avoid contamination 

by AGN emissions. In general, barred galaxies are lo- 

cated on average ~0.12 dex above the star-forming 

main sequence of unbarred galaxies. We define the resid- 

ual of sSFReicbal, ALog(sSFReiopal), as the difference 

in sSFReiobal between the barred galaxy sample and 

its corresponding unbarred control sample. The right 

panel illustrates the distribution of AsSFReiopa) on 

the parameter space of A [Lpar/2Rs50] and A [(b/a) Bar]. 
ALog(sSFReiobal) mainly correlates with the bar length 

parameter but not with the b/a parameter. Non-AGN 
barred galaxies with longer bars tend to exhibit en- 

hanced sSFReopai- However, the b/a parameter does not 

show significant trends with SF enhancements. 

Non-AGN barred galaxies exhibit a higher sSFRviper 

compared to unbarred control galaxies in the left his- 

togram of Figure 11. This is consistent with previ- 

ous studies which suggested that the majority of bar- 

driven SF enhancement happens at the galactic center 

(Athanassoula 1994; Sakamoto et al. 1999; Sheth et al. 
2005; Ellison et al. 2011; Coelho & Gadotti 2011; Wang 

et al. 2012; Zhou et al. 2015; Chown et al. 2019; Lin et al. 

2020). We also fit Gaussian to the sSFRpiper distribution 

of barred galaxies, and find that the Gaussian peak lo- 

cates at Log(sSFRriper) = —9.93 [yr +]. Then, following 

the definition from Kim et al. (2018), we define galaxies 
with Log(sSFRriber) > —9.93 [yr~'] as central starburst 
galaxies, and compare the number fraction of starburst 

galaxies, fsp, as functions of bar properties in the middle 

and right panels of Figure 11. We observe a significant 

positive correlation between the A [Lpar/2Rs0| and fsp, 

such that central starburst galaxies are more commonly 

found in barred galaxies with longer bars. However, we 

do not observe any detectable trends in the b/a param- 
eters with the concentration of SF enhancements. 

Our result is consistent with previous observations 

(Hawarden et al. 1986; Arsenault 1989; Martin 1995; 

Martinet & Friedli 1997; Ho et al. 1997; Alonso-Herrero 

& Knapen 2001; Hunt et al. 2008; Ellison et al. 2011; 

Coelho & Gadotti 2011; Lin et al. 2017; Chown et al. 

2019; Lin et al. 2020) and simulations (Knapen et al. 
1995; Sakamoto et al. 1999; Lin et al. 2013; Cole et al. 

2014; Spinoso et al. 2017; Zana et al. 2019), which pro- 

vided evidence that bar-induced SF correlates with bar’s 

length only but not with bar’s ellipticity. Lin et al. 

(2017) investigated central SF histories of 57 face-on disk 

galaxies through the CALIFA survey. They identified 17 

‘turnover galaxies’ that show a rapid upturn of SF to- 

ward the center and found that the majority (15/17) 
of ‘turnover galaxies’ are barred. There are weak and 

positive correlations between the bar’s physical length 

and the size of the SF turnover region, whereas there is 

no clear correlation with the ellipticity of bars. More 

recently, using 2D maps of EW(Ha), EW(H6,), and 
D,, (4000) through the MaNGA survey, Lin et al. (2020) 
revealed that 89% of galaxies with centrally concen- 

trated SF have bars. The size of the central star-forming 

region shows a tight correlation with one-third of the 

bar’s physical length. They suggested that bars play an 

“indispensable role” in the SF enhancement. These stud-
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ies proposed that the presence of bars can stimulate the 

inflow of gas, enhancing the concentration and trigger- 

ing SF at the center as the bar grows. This bar-driven 

evolution of SF results in a positive correlation between 

the length of the bar and the increase in central SF. In 

other words, bars in star-forming galaxies tend to be- 

come longer over time. 

In contrast, other simulations (Spinoso et al. 2017; 

Khoperskov et al. 2018) claimed that strongly barred 

galaxies exhibit regulated SF activity. They suggested 

that the rapid SF driven by bars in the past could de- 

plete the gas supply, leading to a decrease in the current 

SFR. Some observations support this bar-quenching sce- 

nario (Gavazzi et al. 2015; George et al. 2019b; Newn- 

ham et al. 2020; Fraser-McKelvie et al. 2020a; Fraser- 

McKelvie et al. 2020b; George et al. 2020; Géron et al. 

2021; George & Subramanian 2021); however, stellar 

mass biased dependence remains in their results. For 

example, Gavazzi et al. (2015) found an increase of bar 
fraction with a decrease of SFRs for massive galaxies 

above specific threshold mass (Minee/Mo ~ 10°). Us- 
ing a sample of 684 barred galaxies from the MaNGA 

survey, Fraser-McKelvie et al. (2020a) demonstrated 
that the effect of bars on SF is predominantly governed 

by stellar mass. Low-mass galaxies exhibit increased SF 

along with their bar structures, whereas massive galax- 

ies show regulated SF. Géron et al. (2021) identified 
strongly and weakly barred galaxies from 1867 galaxies 

through a visual classification by Galaxy Zoo DECaLS 

(GZD). They concluded that strong bars are more preva- 

lent in quiescent galaxies than in star-forming ones, but 

did not examine the effect of stellar mass bias. Intrigu- 

ingly, however, when dividing their sample into star- 

forming and quiescent galaxies, only star-forming barred 

galaxies exhibit a positive correlation between the fiber 

SFR and bar length. 

4.2. Interplay between Bars and BH Activities for 

AGN Galaxies 

In Figure 12, we classify AGN-hosting galaxies based 

on the distribution on the BPT diagram and compare 

the number fraction of AGNs, faqn, for barred galaxies 

and the unbarred control sample as a function of stel- 

lar mass. Both barred and unbarred galaxies show that 

facn increases as stellar mass increases. However, there 

is no difference between barred and unbarred galaxies. 

Barred galaxies among our sample do not show a faan 

enhancement with respect to unbarred ones. 

To examine the bar-driven effect on the strength of 

AGN activity, we now estimate the BH mass by employ- 

ing the well-established Mpy—o, relation (Novak et al. 

2006), such that 

Log(Mpu/Mo) = a+ 8Log(o./200kms~'), (7) 

where Mpy/Mo is the BH mass in solar mass units, 0, 

is the velocity dispersion of galaxies inside the effective 

radius in [kms~+*] units, and a and 8 are regression co- 

efficients. Due to the 1.5” radius of the SDSS fiber cov- 

erage, we apply a correction for the velocity dispersion 

from Cappellari et al. (2006), such that 

(o./c) _— (R/R_) 0-086 +0035) , (8) 

where o and o, are the measured and corrected ve- 

locity dispersion, R is the radius encompassed by the 

SDSS 1.5” fiber, and R, is the effective radius of galax- 
ies. Many observations reported distinct offsets between 

barred and unbarred galaxies from the Mgy-o, relation 

(e.g., Giiltekin et al. 2009; Graham & Li 2009; Graham 

et al. 2011; Sahu et al. 2019). Through collisionless N- 
body simulations, Brown et al. (2013) confirmed that 
orbital properties of stars in bars increase o, by roughly 

4—8%. Table 2 gives examples of the regression coeffi- 

cient of the Mgy-—o, relation for all, barred and unbarred 

galaxies from the literature. Following these results, we 

adopted different coefficients for barred and unbarred 

galaxies. There are no significant differences between the 

results of each set of coefficients, thus we select the most 

recent value from Sahu et al. (2019). 
The left panel of Figure 13 shows Mgy of AGN galax- 

ies as a function of stellar mass. Intriguingly, when we 

adopt distinct Mpy-o,. relations for barred and un- 

barred galaxies, barred galaxies have ~0.4 dex less mas- 

sive BHs than unbarred ones at all stellar mass range. 

This is consistent with previous studies showing that 

BHs in barred galaxies are of around half the mass of 

BHs in unbarred galaxies for the same velocity disper- 

sion, (Graham 2008; Graham & Li 2009; Graham 2014; 

Mutlu-Pakdil et al. 2018) and relatively less massive BHs 
are more common in barred galaxies (Oh et al. 2012). 
We estimate the residuals of Mpu, ALog(Mpu/M.,), 

as the difference between Mpy of barred galaxies and 

Mpgy of their corresponding control sample. The right 

panel shows the distribution of ALog(Mpxy/M.) on 
the parameter space of A[Dpar/2Rs50] and A [(b/a) par]. 
Galaxies with rounder bars tend to have more mas- 

sive BHs. Specifically, galaxies with relatively rounder 

bars (A [(b/a)par] > 0.00) show a significant correla- 

tion between ALog(Mpy/M,.) and b/a parameters only. 
For a comparison between bars and AGN feeding pro- 

cesses, we utilize the Ljony and accretion rate param- 

eter, R, as a proxy for the BH accretion. Adopting 

the definition of # from Heckman et al. (2004), where
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R = Log(Liony/Mpu), we find that barred AGN galax- 
ies are ~0.4 dex higher in ® than the unbarred control 

sample. A correlation with Jt is observed only for b/a 

parameters, indicating that galaxies with rounder bars 

have higher # values. Since ¥ is directly linked to the 

value of BH mass, we do not include the results of # in 

this paper. 

Our result of the absence of an increase in the faqn for 

barred galaxies over unbarred ones is consistent with the 

recent observations that bars do not yield AGNs (Hunt 
& Malkan 1999; Gadotti 2008; Zhang et al. 2009; Lee 

et al. 2012a; Cisternas et al. 2013; Galloway et al. 2015; 

Cisternas et al. 2015; Goulding et al. 2017). However, 

we show that AGN barred galaxies have lower BH mass 

than unbarred counterparts. Interestingly, unlike the re- 

sults of SF enhancement, the b/a parameter correlates 
more strongly with the residuals of BH mass: AMpy in- 

creases for rounder bars. These results suggest that the 

bar does not directly induce AGNs, but the evolution of 

BHs can regulate bars’ shape. Contrary to earlier studies 

proposing that bar-induced gas inflow can trigger AGN 

activity (Combes 2001; Emsellem et al. 2001; Alonso 

et al. 2013; Alonso et al. 2014; Emsellem et al. 2015; 

Fanali et al. 2015; Cisternas et al. 2015; Alonso et al. 

2018; Audibert et al. 2019), our results suggest that the 

relationship between BHs and bars may be more com- 

plex, with BHs possibly having an influence on the bar 

evolution rather than the other way around. 

Bars are self-regulated structures and can be de- 

stroyed by the growth of central mass concentration 

(CMC) and BHs (Norman et al. 1985; Hasan & Nor- 
man 1990; Pfenniger & Norman 1990; Hasan et al. 1993; 

Norman et al. 1996; Hozumi & Hernquist 1998; Combes 

2000; Bournaud & Combes 2002 Das et al. 2003; Shen 

& Sellwood 2004; Athanassoula et al. 2005; Bournaud 

et al. 2005; Hozumi & Hernquist 2008; Hozumi 2012; 

Li et al. 2017; Kataria et al. 2020). Some observations 
also support the bar destruction scenario. For example, 

Mulchaey & Regan (1997) found that the bar fraction 
in Seyfert and normal galaxies are similar. To explain 

the absence of a link between the presence of bars and 

Seyfert nuclei, they proposed that most bars in un- 

barred Seyfert galaxies were recently destroyed along 

with the growth of BHs. Cheung et al. (2013) revealed 
distinct trends of bars in galaxies with disky pseudob- 

ulges (n < 2.5) and classical bulges (n > 4). They sug- 
gested a scenario in which the fate of bars relies on the 

existence of CMCs. The CMC in gas-poor galaxies can 

interrupt the formation of new bars and destroys pre- 

existing bars. Du et al. (2017) and Guo et al. (2020) 
also reported that similar bar destruction and limited 

BH growth are linked, even for the evolution of inner 

bars. When BH mass reaches ~0.2% of total stellar 

mass, inner bars embedded in large-scale bars begin to 

be destroyed. The destruction of inner bars halts bar- 

driven gas inflow further, and finally, BHs stop growing. 

This interplay between bar dissolution and BH fueling 

can explain our result of the absence of increased AGN 

fraction and the restricted distribution of BH mass for 

barred galaxies. 

Bar ellipticity can be a good indicator to trace the 

process of bar destruction. Hasan & Norman (1990) and 
Hozumi (2012) simulated the evolution of a bar’s shape 
during the BH growth. They found that as bars undergo 

destruction, bars become shorter and thicker. Addition- 

ally, their simulation showed that bars with a rounder 

shape are easier to be destroyed compared to elongated 

bars. Contrary to the bar length parameters, only a few 

observational studies have investigated bar ellipticity as 

an indicator of bar strength (e.g., Gadotti 2008; Cis- 

ternas et al. 2013; Diaz-Garcia et al. 2016; Silva-Lima 

et al. 2022). Das et al. (2003) introduced bar elliptic- 
ity as the best indicator for the accumulating CMC, 

which leads to bar destruction. Using kinematics of cold 

gas of 29 barred galaxies based on their CO rotation 

curves through the Berkeley-Ilinois-Maryland Associa- 

tion (BIMA) Survey of Nearby Galaxies (SONG), the 
authors found a clear correlation between bar ellipticity 

and CMCs. They showed that bars become rounder as 

CMCs grow, and ultimately bars are destroyed. This re- 

sult is consistent with our findings that only bars’ b/a 

parameter has a positive correlation with the BH mass, 

whereas bar lengths do not show a significant correla- 

tion. 

Previous studies suggested that the correlation be- 

tween the presence of bars and the enhancement of AGN 

may be due to a selection bias, as both tend to be more 

common in more massive galaxies. This could create the 

impression that bars cause an increase in AGN activ- 

ity when, in fact, the relationship may be a result of 

both being correlated with stellar mass. For example, 

Lee et al. (2012b) discovered that the AGN fraction 
is around two times higher in strongly barred galaxies 

(~34.5%) than in unbarred ones (~15.0%); however, the 
excess of the AGN incidence in barred galaxies dimin- 
ishes when they compare barred and unbarred galaxies 

at fixed u—r colors and stellar masses. Many other obser- 

vations reported similar results: barred galaxies tend to 

host AGNs, but the bar-driven AGN enhancement usu- 

ally happens in more massive galaxies (e.g., Oh et al. 

2012; Alonso et al. 2013; Galloway et al. 2015; Silva- 

Lima et al. 2022). This is the main reason why we define 
new bar properties independent of stellar mass to avoid 

bias.
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5. SUMMARY AND CONCLUSIONS 

We investigated the effect of bars on SF and AGN 

activity using a large sample of barred galaxies from 

the SDSS DR12. Through our automatic bar measure- 

ment scheme, we identified 3662 barred galaxies out of 

~10,000 nearly face-on disk galaxies in the local uni- 

verse (0.02 < 2 < 0.06). We estimated the length and 
axis ratio of bar structures taking into account the pro- 

jection effect. We classified our sample into non-AGN 

and AGN barred galaxies based on the BPT diagram. 

To avoid sampling bias, we carefully constructed control 

samples of unbarred galaxies for non-AGN and AGN 

barred galaxies separately. Then, we compared the SF 

and AGN activity between barred and unbarred galaxies 

and how the behaviors depend on bar parameters. 

Our main results are summarised as follows. 

1. Our measured bar properties, including bar’s 

physical size and b/a parameter, are consistent 

with previous observations. Longer bars tend to be 

more elongated. Both [pay and (b/a)gar depend 

on stellar mass and B/T. 

2. Even after the bar size is normalized by the galaxy 

size itself, the relative bar size, Dpar / 2Rsq and 

axis ratio of bar, (b/a)par, still show detectable 
correlations with stellar mass and B/T. Moreover, 
non-AGN and AGN barred galaxies exhibit dis- 

tinct dependencies of intrinsic values. To avoid the 

biases by intrinsic dependencies, we define new bar 

parameters, A [Lpar/2Rs50] and A [(b/a)par], using 

the 3-D distribution of stellar mass, B/T, and con- 

ventional bar properties. 

3. Non-AGN barred galaxies are located ~0.12 dex 

above the star-forming main sequence of the cor- 

responding unbarred control sample in the stel- 

lar mass versus sSFReiobal Plane. Galaxies with 

longer bars are more likely to exhibit central 

starburst activity. The strength of SF activity 

of barred galaxies depends on the bar length 

parameter, but not on the b/a parameter. The 

ALog(sSFReiobal) and fgg increase as the bar 

length increases. 

4. AGN barred galaxies have ~0.4 dex less massive 

BHs than the corresponding unbarred control sam- 

ple. Contrary to the results of SF enhancement, 

the residuals of BH mass between barred and un- 

barred galaxies primarily depend on the b/a pa- 

rameter, rather than on the bar length parameter. 

ALog(Mpy/M,.) increases for rounder and shorter 

bars. 

Our results imply that bars are linked to SF and AGN 

activities in different ways. As bars grow in length, the 

gas inflow through the bar triggers higher sSFR. Thus, 

non-AGN barred galaxies generally exhibit more in- 

duced sSFR than unbarred ones, and SF enhancement 

is usually correlated with the bar length parameter. The 

existence of bars itself does not influence the presence 

of AGNs. However, bars hinder the mass growth of 

BHs, and barred AGN galaxies have limited BH mass 

distribution more than unbarred ones. Contrary to the 

result of SF enhancement, BH mass more significantly 

depends on the bar’s b/a parameters rather than bar 
lengths. This result can be explained by bar destruction 

during BH growth in barred galaxies which is supported 

by previous simulations. In a nutshell, bars in non-AGN 

galaxies are growing, whereas bars in AGN galaxies are 

under dissolution. This scenario is consistent with the 

result of the opposite direction of stellar mass bias for 

non-AGN and AGN barred galaxies. A visual demon- 

stration of chronological bar-driven evolution on SF and 

BH activities is presented in Figure 14. Following these 

results, for the first time, we suggest that the effect of 

bar-driven evolution on SF and BH activities should be 

traced by different bar parameters, bar’s length, and 

b/a, respectively. 
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Table 1. The values of coefficients of best-fitted polynomial planes for 3-D distribution of stellar mass, B/T and bar properties 

including Lpar/2Rsoand (b/a)Bar. 

  

    

  

Galaxy types Bar properties a b c d e f g h a 9 

Non-AGN barred Lpar/2Rs0 -1381 42.43 -116 -—4.56 24.38 -—31.98 0.163 -—1.29 3.87 -—6.49 

(b/@) Bar 14.18 —4.43 11.27 047 -—2.04 -—5.34 —0.016 0.0912 0.49 0.60 

AGN barred Lpar/2Rs50 367.1 —105.5 55.85 10.14 —11.58 18.56 -—0.33 0.60 —1.61 —1.21 

(b/a) Bar 0.43 0.65 —34.16 —0.13 6.33 1.40 0.0061 —0.29 —0.18 0.45 
  

Table 2. The values of regression coefficients of the Mpu-oe relation, Log(Mpu/Mo) = a+ 6 Log(o-/200kms~*), from 

  

  
  

  

  

literature. 

References Morphological aspects a B 

Giiltekin et al. 2009 Without distinction 8.12+ 0.08 4.24+ 0.41 

Barred 7.67 40.115 4.08 + 0.751 

Unbarred 8.19 + 0.087 4.21 + 0.446 

Graham et al. 2011 Without distinction 8.134 0.005 5.13 + 0.34 

Barred 7.80+0.10 4.34 + 0.56 

Unbarred 8.25 + 0.06 4.57 + 0.35 

Sahu et al. 2019 Without distinction 8.04+0.12 4.47 + 0.80 

Barred 8.01 +010 4.05+ 0.54 

Unbarred 8.36 + 0.06 5.46 + 0.34
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Figure 1. Examples of bar identification and measurements. (Left column) The identified bar structures are illustrated by a 

red ellipse on the contour image of each galaxy. (Middle) The radial profiles of the positional angle of isophotes through ellipse 

fitting from the center to the outskirt. The vertical red dashed line represents where the bar ends. (Right) The same as the left 

column but for bar ellipticity.
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Figure 2. An example of multi-band SDSS images of barred galaxies that are identified using our automatic bar classification 

and measurement scheme. For comparison purpose, the measured bar length, bar axis ratio, and redshift of each galaxy are 

shown. The bar length increases from bottom to top, and the bar axis ratio increases from left to right.  
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Figure 3. The distribution of measured bar’s physical size, Lpar, and the projected bar axis ratio, (b/a)Bar, properties. Blue 

dots and line show the median distribution of two properties. Light blue region shows standard deviation. The grey dashed lines 

show the location of median values. The upper and right panels show histogram of Lpar and (b/a)Bar, respectively.
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Figure 4. The distribution of the redshift (upper left), stellar mass (upper right), B/T (lower left), and local density (lower right) 

for unbarred (empty histograms depicted by thick lines) and bar red galaxies (filled histogram). Non-AGN and AGN galaxies are 

represented by blue and orange colors, respectively. For each normalized histogram, the integral under the histogram is equal 

to one. Each p-value by the KS test is given on each panel.
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Figure 6. Upper panels: The 2D histogram of relative bar size, Lpar/2Rs50, on the stellar mass and B/T parameter space 

for non-AGN (left) and AGN (right) barred galaxies, respectively. The local regression scheme of Cappellari et al. (2013) is 

applied. The bluer color represents relatively longer bars with larger Lpar/2Rs0 as shown in the color bar on the right side. For 

comparison, the 0.50, 1o, 1.50, and 20 contours are also shown as white lines. Please note that AGNs inhabit more massive 

galaxies; thus, the range of the x-axis is different for non-AGN and AGN galaxies. For comparison, median values and the range 

of standard deviations are shown above each histogram. Lower panels: The same as upper panels but for the distribution of 

(b/a)Bar. The redder color represents rounder bars with larger (b/a)Bar. Please note that AGN barred galaxies are distributed 
in the range of relatively more massive stellar mass (M./Mo > 10°”).
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Figure 7. Upper panels: The histogram of stellar mass for non-AGN (left, blue colored) and AGN (right, orange colored) 

barred galaxies. Samples are divided into relatively longer (Lpar/2Rs0 > 1.0) and shorter (Lpar/2Rs0 < 1.0) bars. Darker- 

colored solid lines and lighter-colored dashed lines represent distributions of galaxies with longer and shorter bars, respectively. 

For comparison, the median value and standard deviation are shown as filled and open triangle symbols and error bars above 

each histogram. Lower panels: The same as upper panels but for the distribution of B/T.
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Figure 9. The same as Figure 6 but for the newly defined bar parameters, A [Lpar/2Rs50] and A [(b/a) par], with more restricted 
(x 0.1) range of parameter values ([—0.05, 0.05] for A [Lpar/2Rs0] and [—0.01, 0.01] for A [(b/a)Bar], respectively). The local 
regression scheme of Cappellari et al. (2013) is applied.
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which is estimated as the standard deviation divided by the square root of the sample size at each stellar mass bin. Right panel: 

The residuals of sSFReiobal, ALog(sSFReiobal), of non-AGN barred galaxies with respect to its corresponding unbarred control 

sample on the A [Lpar/2Rs50] versus A [(b/a)Bar] plane. The local regression scheme of Cappellari et al. (2013) is applied. 
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Figure 13. Left panel: The distribution of Mpy of AGN galaxies as a function of stellar mass for unbarred (black) and barred 

(orange) ones. Colored dashed bands denote the standard deviation. The length of the error bars is the standard error, which 

is estimated as the standard deviation divided by the square root of the sample size at each stellar mass bin. Right panel: The 

residuals of Mpu, ALog(Mpn/M..), of AGN barred galaxies with respect to its corresponding unbarred control sample on the 

A [LBar/2Rs50] versus A[(b/a)Bar] plane. The local regression scheme of Cappellari et al. (2013) is applied.
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galaxies. The filled arrows indicate the theoretically expected chronological evolution of barred galaxies, which are consistent 

with the results of our study.
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ABSTRACT

The growing range of automated algorithms for the identification of molecular clouds
and clumps in large observational datasets has prompted the need for the direct comparison
of these procedures. However, these methods are complex and testing for biases is often
problematic: only a few of them have been applied to the same data set or calibrated against
a common standard. We compare the Fellwalker method, a widely used watershed algorithm,
to the more recent Spectral Clustering for Interstellar Molecular Emission Segmentation
(SCIMES). SCIMES overcomes sensitivity and resolution biases that plague many friends-
of-friends algorithms by recasting cloud segmentation as a clustering problem. Considering
the 13CO/C18O (𝐽 = 3 − 2) Heterodyne Inner Milky Way Plane Survey (CHIMPS) and the
CO High-Resolution Survey (COHRS), we investigate how these two different approaches
influence the final cloud decomposition. Although the two methods produce largely similar
statistical results over the CHIMPS dataset, FW appears prone to over-segmentation, especially
in crowded fields where gas envelopes around dense cores are identified as adjacent, distinct
objects. FW catalogue also includes a number of fragmented clouds that appear as different
objects in a line-of-sight projection. In addition, cross-correlating the physical properties
of individual sources between catalogues is complicated by different definitions, numerical
implementations, and design choices within each method, which make it very difficult to
establish a one-to-one correspondence between the sources.

Key words:
molecular data – methods: data analysis – surveys – ISM: clouds – submillimetre: ISM

1 INTRODUCTION

The distribution and properties of gas withinmolecular clouds regu-
late, in part, the characteristics of newly formed stars, their numbers
and masses, and the location of star-forming sites. The connection
between the features of molecular gas and both the initial mass func-
tion and formation rate of new stellar populations have prompted a
wide range of theoretical and observational studies geared towards
the characterisation of the structure of molecular clouds. Multi-
tracer surveys have revealed the hierarchical nature of these struc-
tures, showing how high-density, small-scale features are always

★ E-mail: rani@ntnu.edu.tw (RR)

nested within more rarefied, larger envelopes (Blitz & Stark 1986;
Lada 1992). This structural hierarchy is, however, a non-trivial one:
at any scale, there appear to be more high-density and compact
‘clumps’ than larger and less dense structures. The densest clumps
in a cloud’s hierarchy are compact cores, the seeds of star forma-
tion. In these regions, over scales of about 0.1 pc, the turbulence
in the cloud often becomes dominated by thermal motions (Good-
man et al. 1998; Tafalla et al. 2004; Lada et al. 2008). The physical
conditions inside the cores determine the mechanisms involved in
the conversion of molecular gas into stars (di Francesco et al. 2007;
Ward-Thompson et al. 2007; Bigiel et al. 2008; Schruba et al. 2011;
Urquhart et al. 2018). At the bottom of the density hierarchy, lie the
low-density envelopes that surround the denser regions.

© 2022 The Authors
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The natural clumpiness that characterises the molecular phase
of the interstellar medium on different scales has led to the cata-
loguing of molecular emission by dividing the interstellar gas into
independent, discrete entities. Although this separation provides a
useful theoretical distinction between giantmolecular clouds and the
diffuse multi-phase interstellar medium, it is still unclear whether
the density hierarchy continues past this chemical boundary (Blitz
et al. 2007) extending into the diffuse ISM (Ballesteros-Paredes et al.
1999; Hartmann et al. 2001). In this picture, the molecular phase
of the ISM would not be enough to define the bottom of the den-
sity hierarchy needed to treat a molecular cloud as an independent,
separate entity.

Structural patterns in molecular emission have been investi-
gated through a wide range of analysis methods. Each technique
focuses on the analysis of a different feature of the gas. Fractal
analysis (Stutzki et al. 1998), the study of power spectra (Lazar-
ian & Pogosyan 2000) and the structure function (Heyer & Brunt
2004) have aimed to characterise turbulence in clouds (Brunt et al.
2010; Brunt& Federrath 2014), and clump identification algorithms
(Stutzki & Güsten 1990; Berry 2015; Colombo et al. 2015a) have
been used to probe geometry, structure and substructure, e.g., the
density hierarchy. In general, statistical approaches to the analysis
of molecular-line data either aim to provide a statistical descrip-
tion of the emission over the entire dataset or a division of the
emission into physically relevant features. The latter approach is
then followed by the analysis of the characteristics of the resulting
population of sources. Statistical approaches include fractal analy-
sis (Elmegreen & Falgarone 1996; Stutzki et al. 1998; Elmegreen
2002; Sánchez et al. 2005; Lee et al. 2016), Δ-variance (Stutzki
et al. 1998; Klessen & Glover 2015), correlation functions (Houla-
han 1990; Rosolowsky et al. 1999; Lazarian & Pogosyan 2000;
Padoan et al. 2003) and analysis of the two-dimensional power
spectrum (Schlegel & Finkbeiner 1998; Pingel et al. 2018; Combes
2012; Feddersen et al. 2019) and principal components (Heyer &
Brunt 2004). These techniques provide the overall statistical prop-
erties of the sample and are thus best suited for the comparison of
measurements between different datasets. On the other hand, clump
identification (image segmentation) is preferred for the study of
physically important substructures embedded in the emission. In
position-position velocity (PPV) data sets, giant molecular clouds
(GMCs) and their substructure are identified as discrete features
(sets of connected voxels) with emission (brightness temperature or
column densities) above a specified threshold (Scoville et al. 1987;
Solomon et al. 1987).

Molecular-cloud recognition in PPV data sets is performed
with a variety of automated algorithms. These methods are com-
monly designed to operate on large data sets and different levels of
blending between structures. Two different strategies for the iden-
tification of molecular emission are frequently employed in the
construction of GMC identification software packages: the iterative
fitting and subtraction of a given model to the molecular emis-
sion (Stutzki & Güsten 1990; Kramer et al. 1998) and the friends-
of-friends paradigm that connects pixels based on their and their
neighbours’ emission values (Williams et al. 1994; Rosolowsky
& Leroy 2006). The latter approach is often applied as a water-
shed formulation in which single objects are identified as parti-
tions of the data corresponding to sets of paths of steepest descent
around signal peaks. This strategy thus recasts GMC recognition as
an image segmentation problem (Pal & Pal 1993). Contouring in
three-dimensional images, however, remains a complex task. Com-
plications arise from the difficult deblending of internal structures
in crowded regions as the boundaries that separate star-forming

clouds from the surrounding multi-phase ISM are often unclear (see
Ballesteros-Paredes et al. 1999; Hartmann et al. 2001; Blitz et al.
2007). The efficacy of GMC recognition is thus affected by survey-
specific biases arising from spatial and spectral resolution and the
sensitivity in molecular-line observations of GMCs (Rosolowsky &
Leroy 2006; Pineda et al. 2009; Wong et al. 2011). Cloud recogni-
tion usually worsens in regions characterised by complex molecular
environments and crowded velocity fields (such as the Inner Milky
Way), where resolution plays a crucial role in the identification
of structure (Hughes et al. 2013). At low resolution, segmentation
algorithms suffer from the blending of emission from unrelated
clouds (Colombo et al. 2014), while high resolutions cause cloud
substructures to be identified as individual clouds. In particular,
friends-of-friends methods are especially sensitive to resolution. In
clumpy environments, the objects naturally selected by this type of
algorithm have the scale of a few resolution elements (Rosolowsky
& Leroy 2006).

Recently, alternative segmentation methods based on the phys-
ical properties of molecular gas have been proposed, most notice-
ably gravitational accelerationmappingmethods (Li et al. 2015) and
dendrograms (Rosolowsky et al. 2008). Dendrograms are particu-
larly well-suited to encode the essential features of the hierarchical
structure of the isosurfaces for molecular line data cubes. They rep-
resent the changing topology of the isosurfaces as a function of
contour level. This growing range of automated cloud-identifying
paradigms and their implementations has prompted the need for
a direct comparison of the methods. However, the algorithms are
often complex and testing for biases is not straightforward as only
a few of them have been applied to the same data set or calibrated
against a common standard (Lada & Dame 2020).

Although the performance of several popular clump-finding
algorithms has recently been compared on artificial emission maps
(Li et al. 2020), cross-correlating the physical properties of individ-
ual sources between several catalogues is a non-trivial task. From
this viewpoint, it is thus useful to apply different methodologies to
identify and extract GMCs from the same survey. In this study, the
Spectral Clustering for Interstellar Molecular Emission Segmenta-
tion (SCIMES) algorithm is applied to identify GMCs in the 13CO
data-set of the 13CO/C18O(𝐽 = 3−2) Heterodyne Inner MilkyWay
Plane Survey (CHIMPS). To directly compare this segmentation
to the results obtained by Rigby et al. (2019) with the FellWalker
(FW) algorithm, the dendrogram defining parameters are chosen to
match the FW input configuration. SCIMES makes use of dendro-
grams to encode the hierarchical structure of molecular clouds and
then employs spectral clustering to produce dendrogram cuts corre-
sponding to the individual clouds (Colombo et al. 2015a), whereas
FW is a variation of the watershed paradigm, based on the paths
of steepest ascent (Berry 2015). To extend the comparison to the
properties of a different tracer, to show the effect of isotopologue
choice, a SCIMES segmentation of the 12CO(3− 2) emission from
the CO High-Resolution Survey (COHRS; Dempsey et al. 2013) is
considered on the regions covered by CHIMPS.

We present an empirical comparison between the FW and
SCIMES algorithms on a large sample of clouds within the
13CO/C18O (𝐽 = 3− 2) Heterodyne Inner Milky Way Plane Survey
(CHIMPS). To do so, we construct a novel catalogue of CHIMPS
sources obtained through the application of SCIMES. The catalogue
includes a number of measured and calculated cloud properties cho-
sen to match those defined in Rigby et al. (2019).

In Section 2, we briefly describe the CHIMPS data used in our
analysis. A description of a SCIMES source extraction that matches
the FWparameterisation is provided in Section 3 and the subsequent
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distance assignments in Section 4. Section 5 presents a statistical
comparison of the salient physical properties of the sources in the
SCIMES and FW catalogues, while Section 7 summarises and dis-
cusses the results found in this study.

2 DATA

The 13CO/C18O (𝐽 = 3 − 2) Heterodyne Inner Milky Way Plane
Survey (CHIMPS) is a spectral survey of the 𝐽 = 3 − 2 rotational
transitions of 13CO at 330.587GHz and C18O at 329.331GHz. The
survey covers ∼19 square degrees of the Galactic plane, spanning
longitudes 𝑙 between 27.◦5 and 46.◦4 and latitudes | 𝑏 | < 0.◦5, with
angular resolution of 15 arcsec. The observations were made over
a period of 8 semesters (beginning in the spring of 2010) at the
15-m James Clerk Maxwell Telescope (JCMT) in Hawaii. Both
isotopologueswere observed concurrently (Buckle et al. 2009) using
the Heterodyne Array Receiver Programme (HARP) together with
the Auto-Correlation Spectral Imaging System (ACSIS). The data
obtained are organized in position-position-velocity (PPV) cubes
with velocities binned in 0.5 km s−1 channels and a bandwidth of
200 km s−1.

The Galactic velocity gradient associated with the spiral arms
(in the kinematic local standard of rest, LSRK) is matched by shift-
ing the velocity range with increasing Galactic longitude, as ob-
served in previous molecular Galactic plane studies (e.g. Dame
et al. 2001). Varying the range from −50 < 𝑣LSR < 150 km s−1 at
28◦ to −75 < 𝑣LSR < 125 km s−1 at 46◦, we recover the expected
velocities of objects observed in the Scutum-Centaurus tangent and
the Sagittarius, Perseus and Norma arms.

The 13CO survey has mean rms sensitivities of 𝜎(𝑇∗
A) ≈ 0.6K

per velocity channel, while for C18O, 𝜎(𝑇∗
𝐴
) ≈ 0.7K, where 𝑇∗

𝐴
is the antenna temperature corrected for atmospheric attenuation,
ohmic losses inside the instrument, spillover, and rearward scat-
tering (Rigby et al. 2016). These values, however, fluctuate across
the survey region depending on both weather conditions and the
varying numbers of working receptors on HARP. In 13CO (3–2),
the rms of individual cubes ranges between 𝜎(𝑇∗

𝐴
) = 0.37 K and

1.51 K per channel, and between 𝜎(𝑇∗
𝐴
) = 0.43 K and 1.77 K per

channel in C18O (3–2) (Rigby et al. 2016).
Column density maps are necessary for the estimation of the

cloud masses (see Section 6.2). The total column densities through-
out the CHIMPS survey were calculated from the excitation tem-
perature and the optical depth of the CO emission. This calculation
is outlined in Rigby et al. (2019). Their method is a variation of
the standard calculation of the excitation temperature and optical
depth (Wilson et al. 2013) and uses the 13CO(𝐽 = 3 − 2) emis-
sion at each position (𝑙, 𝑏, 𝑣) in the datacube on a voxel-by-voxel
basis under the assumption of local thermodynamic equilibrium.
The major advantage of this strategy over the analysis of velocity-
integrated properties is that any property derived from the excitation
temperature and optical depth is independent of source extraction
and image segmentation algorithms. However, individual voxel in-
formation does not account for the attenuation of the emission due
to self-absorption along the line of sight. Rigby et al. (2019) per-
formed a first-order adjustment of the method with respect to the
12CO(3 − 2) from which the excitation temperature of 13CO(3 − 2)
is derived and did not find evidence for significant self-absorption
in 13CO(3− 2) across the entire CHIMPS survey. The total column
density at each position is determined from the column density
within a specific energy level by multiplication with an appropriate

partition function representing the sum over all states (Rigby et al.
2019).

COHRS mapped the 12CO (3− 2) emission in the Inner Milky
Way plane, covering latitudes 10.◦25 < 𝑙 < 17.◦5 with longitudes
| 𝑏 | ≤ 0.◦25 and 17.◦5 < 𝑙 < 50.◦25 with | 𝑏 | ≤ 0.◦25. This par-
ticular region was selected to match a set of important surveys,
among which are CHIMPS, the Galactic Ring Survey (GRS; Jack-
son et al. 2006), the FOREST Unbiased Galactic plane Imaging sur-
vey with the Nobeyama 45-m telescope (FUGIN; Umemoto et al.
2017), the Galactic Legacy Infrared Mid Plane Survey Extraordi-
naire (GLIMPSE; Churchwell et al. 2009a), the Bolocam Galactic
Plane Survey (BGPS; Aguerre et al. 2011), and the Herschel In-
frared Galactic Plane Survey (Hi-GAL; Molinari et al. 2016). The
observations were also performed at JCMT with HARP at 345.786
GHz and ACSIS set at a 1-GHz bandwidth yielding a frequency
resolution of 0.488MHz (0.42 km s−1). The survey covers a veloc-
ity range between −30 and 155 km s−1, with a spectral resolution
of 1 km s−1and angular resolution of 16.6 arcsec (FWHM). The
COHRS data (first release) are publicly available1. We consider a
sub-sample of the full set of COHRS sources by only considering
those within the regions covered by CHIMPS.

In this analysis of the difference between the FW and SCIMES
extraction algorithm, we consider the (𝐽 = 3 − 2) emission from
the reduced data in the 10 regions constituting the CHIMPS survey
(Fig. 1). To directly compare the new SCIMES segmentation to the
results obtained with the FW algorithm by Rigby et al. (2019), the
dendrogram-defining parameters are chosen to match the FW input
configuration as closely as possible, as described in the next Section.

3 SOURCE EXTRACTION

We use the SCIMES algorithm, first introduced by Colombo et al.
(2015a, 2019), to decompose the 13CO emission into individual
molecular clouds (sources). SCIMES is a publicly available Python
package that uses spectral clustering to identify single objects within
a dendrogram that represents the hierarchical structure of the emis-
sion (Rosolowsky et al. 2008). The emission dendrogram is pro-
duced using the Python package for astronomical dendrograms
(Astrodendro, Astropy Collaboration et al. 2013, 2018). In the
framework of SCIMES, the leaves of the dendrogram are identified
with the local maxima in the emission and the branches represent
isosurfaces (contours in the PPV data) at different emission levels
(they are structures containing other branches and leaves).

SCIMES uses similarity criteria to analyze a dendrogram by
translating it into a weighted complete graph. In the associated
graph, the vertices correspond to the leaves in the dendrogram and
weights on the edges encode the affinity relationship between the
leaves (larger values of the affinity represent the higher similarity
between two vertices of the graph). The SCIMES algorithm then
uses spectral clustering on the affinity matrix representing the graph
to partition the graph into separate components. These clusters de-
fine a segmentation of the emission into individual clouds. This
process partitions the graph into 𝑘 regions, which coincide with the
molecular emission features encoded by the dendrogram and con-
sequently to the connected regions of the emission in PPV space.
These ‘molecular gas clusters’ are labelled as clouds, clumps, or
cores depending on the scale of the emission. As the SCIMES de-
composition considers the natural transitions in the emission struc-

1 http://dx.doi.org/10.11570/13.0002
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Figure 1. Integrated intensity map (
∫
𝑇 ∗
𝐴
𝑑𝑣) of CHIMPS (full survey). The colour bar shows the scaling in units of K km s−1. The 10 regions into which the

survey is divided are delimited by red lines. Orange shading denotes the overlapping areas between adjacent regions. Region numbers are printed above the
map.

ture to segment PPV data and is robust across scales, it has the
major advantage of being applicable to a variety of spatial dynamic
ranges (Colombo et al. 2015a).

Because of the variable weather conditions and the varying
number of active receptors during the 4 years of observations, the
original CHIMPS datacubes do not present a completely uniform
sensitivity across the entire survey (Rigby et al. 2016). To avoid loss
of good signal-to-noise sources in regions of low background and
to prevent high-noise regions from being incorrectly identified as
clouds, we perform the source extraction on the signal-to-noise ratio
(SNR) cubes instead of brightness-temperature data. This approach
was applied to continuum data in the JCMT Plane Survey (Moore
et al. 2015; Eden et al. 2017), who noted that this method produced
the best extraction results. We define the SCIMES parameters as
multiples of the background𝜎rms. For signal-to-noise cubes,𝜎rms =
1 by definition.

The reduced data are organised into 178 datacubes which are,
in turn, mosaiced into 10 larger regions (Fig. 1) since the entire
CHIMPS area is too large to be analysed as a single datacube. For
each region, we set the SCIMES parameters to generate a dendro-

gram of the emission in which each branch is defined by an intensity
change (min_delta) of 5𝜎rms and contains at least three resolution
elements worth of pixels (min_npix = 16). Any emission below
3𝜎rms (min_val = 3𝜎rms) is not considered. These specific values
were chosen to match the corresponding FellWalker configu-
ration parameters FellWalker.MinHeight, FellWalker.Noise,
FellWalker.MinPix (Berry 2015) used by Rigby et al. (2016) for
their CHIMPS extraction.

The emission dendrogram is produced using the Python pack-
age for astronomical dendrograms (Astrodendro, Astropy Col-
laboration et al. 2013, 2018). However, the Astrodendro imple-
mentation that SCIMES uses to construct the emission dendrogram
does not make a distinction between the spatial and spectral axes.
Thus, some clouds that are unresolved in one dimension may still
be included in the dendrogram. These sources are eliminated in a
post-processing step. Since the distance distance assignments to the
dendrogram structures cannot be made before the full segmenta-
tion (see Section 4), we cannot generate the volume and luminosity
affinity matrices required for spectral clustering from spatial vol-

MNRAS 000, 1–20 (2022)



Identification of molecular clouds in CHIMPS 5

umes and intrinsic luminosities. Instead, we use PPV volumes and
integrated intensity values.

In addition, we retain single leaves that do not form clusters
(since clusters are constituted by at least two objects) and the (sparse)
clusters constituted by the intra-clustered leaves (Colombo et al.
2015b), which are usually discarded as noise (Ester et al. 1996).
This way the SCIMES algorithm behaves as a ’clump finder’ 2.
Although this choice allows for the segmentation to include sources
that cannot strictly be defined as ’molecular gas clusters’ (Colombo
et al. 2015b), these clouds are expected to match the clumps found
in the BGPS (Aguerre et al. 2011).

3.1 Post-processing filter

To clean the catalogue of spurious sources and noise artefacts that
are left after extraction, we apply an additional filter. This filter
leaves those clouds that extend for more than 3 voxels in any direc-
tion (spatial or spectral).While the fhttps://g.co/verifyaccountormer
requirement ensures that we are considering thin filaments, the lat-
ter ensures that each cloud is fully resolved in each direction (the
width of the beam being 2 pixels). In addition, we remove a number
of smaller clouds in contact with the edges of the regions and those
6voxels which lack a column density assignment. Although the
segmented structures are mostly coherent, different velocity com-
ponents may sometimes be blended in the same object in clouds
associated with the border of the field of observation, since these
sources do not present closed contours. Finally, to construct the final
catalogue and its corresponding assignment mask, we apply a se-
lection criterion to handle the clouds in overlapping areas between
adjacent regions. This procedure is described below.

3.2 Overlapping areas

Each of the 10 regions into which CHIMPS is divided contains a
variance array component determined for each spectrum from the
system noise temperature. In order to perform source extraction as
consistently as possible, a small overlap is left between adjacent
regions. To avoid double-counting clouds and to account for the
discrepancies in the extraction maps near longitudinal edges due
to the separate dendrograms representing the gas structure in each
region, we use the following prescription to treat sources extracted
in the overlapping areas. In each region, we remove clouds within
the overlapping area that cross the longitudinal edges of the region
(clouds 2 in panel A and 4 in panel B of Fig. 2). Such clouds do not
have closed isocontours in the region in question (Colombo et al.
2015a).We recover these objects from the SCIMES extraction in the
adjacent regions, which contain the clouds to their full extent. Some
regions present clouds that span the entire overlapping field. In order
not to discard a significant amount of gas mass, we split these clouds
at the edge of one region, assigning the portion in the overlapping
area to the region that contains most of the cloud (cloud 1 in panels
A and B in Fig. 2 becomes assigned to the region depicted in panel
B). The remaining portion of the cloud, left in the adjacent region,
is then added to this catalogue entry, considering its distance as the
same as the distance of the larger part. Since this situation occurs
for one source only in the entire catalogue (between regions 3 and
4), the physical properties of this source were calculated manually
taking into account the properties of the voxels in each region and
making the required adjustments. Finally, we include all objects that

2 https://scimes.readthedocs.io/en/latest/tutorial.html

Figure 2. Prescription for cloud removal in the overlapping area (shaded
area in the panels) of adjacent regions (panels A and B). In each region,
we remove the clouds within the overlapping areas that cross longitudinal
edges. The clouds and parts portions of clouds that are removed in each
region (clouds 1, 2, and 3 in panel A, and 4 in panel B) are drawn in red.
These sources are recovered from the adjacent region. Clouds that span the
entire overlapping area (cloud 1) are split at the longitudinal edge that marks
the end of the region (panel A). The portion of the cloud contained in the
shaded area is then assigned to the region that contains most of the cloud
(panel B) and removed from the other (panel A). The portion of the cloud
left in panel A (blue tip) is then added to the final catalogue (panel C).
Whenever two (or more) clouds overlap (cloud 3), we discard the smaller
object between the two regions. We retain all objects that do not overlap
between the regions (cloud 5).

do not overlap between the regions (cloud 5 in Fig. 2), and whenever
two (or more) clouds overlap, we simply discard the smaller object
between the two regions (cloud 3 in panel A in Fig. 2). Through this
procedure, we construct a catalogue of 2944 molecular clouds.

Finally, to produce a fair comparison of the physical properties
of clouds, we match the FW subcatalogue by only considering
SCIMES sources that contain at least a voxel with 𝑆/𝑁 ≥ 10 (Rigby
et al. 2019). Thus, the final SCIMES catalogue used in the analysis
that follows amounts to 1586 sources. None of the sources left after
this selection is a single isolated leaf.

4 DISTANCE ASSIGNMENTS

A distance assignment to the extracted SCIMES sources was con-
structed by combining different catalogues and using a Bayesian
distance estimator (Reid et al. 2016). We first consider the latest
version of the ATLASGAL source catalogue (Urquhart et al. 2018).
Distances were assigned as follows. Each SCIMES cloud is matched
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to a set of one or more ATLASGAL sources. The matching process
is performed through an area (𝑙,𝑏) search that allows the closest
sources (Euclidean metric) that lie within a neighbourhood of ra-
dius 𝑟 arcsecs centred at the centroid of the SCIMES object to be
selected. The radius 𝑟 is taken by adding 38 arcsec (≈ 5 pixels) to the
radius of the SCIMES object (following Rigby et al. 2019). Next, if
this search returns multiple clouds, the distance that most sources
have in common is chosen. If the distances in the set vary signifi-
cantly we check if any of them belongs to an ATLASGAL cluster,
and assign the cluster’s distance to the SCIMES cloud. SCIMES
clouds that contain one single ATLASGAL source for which the
distance is not available, or in the case of clusters, ATLASGAL
does not provide a cluster distance, are left unassigned.

We then consider a sub-catalogue of the FW assignments
(Rigby et al. 2019). This subset of the FW sources comprises only
robust sources. These are sources that are not false positives or sin-
gle coherent sources at low S/N which are hard to discern by eye.
The reduced catalogue is also free of sources consisting of diffuse
gas at low S/N that may contain multiple intensity peaks, or irreg-
ular profiles (resulting from the segmentation of clouds across tile
boundaries). This robust sub-catalogue amounts to 3664 entries.
We will refer to this catalogue as the FW catalogue. The Bayesian
distance calculator was used to estimate the possible near and far
kinematic distance - and associated uncertainties - for each of the
clumps (Rigby et al. 2019). No assumption about the sources being
associated with spiral arms was made, and the standard Galactic
rotation model (Reid et al. 2014), with a distance to the Galactic
centre of 𝑅0 = 8.34 ± 0.16 kpc was adopted for the calculations.

SCIMES clouds without ATLASGAL counterparts are com-
pared to the FW catalogue. If a SCIMES cloud contains a single
FW object (emission peak) or more FW objects with the same dis-
tance, then that distance is assigned to the cloud. If a SCIMES cloud
contains multiple FW sources with different distances, the distance
that corresponds to the mode of the distribution of FW distances is
assigned. If this distribution has no modes, the first FW source in
the list is chosen.

Since the SCIMES and FW do present discrepancies in the
emission structures they identify (see the small clumps at latitude
smaller−0.2◦ in Fig. A1 inAppendixA), not all the SCIMES clouds
contain one or multiple FW. For the remaining unassigned clouds,
associations between the unassigned SCIMES sources are made us-
ing a final volumetric search. This time an ellipsoidal volume of
semi-axes 0.◦3 × 0.◦3 × 10 km s−1, centred at the centroid of each
remaining cloud, is employed to identify the closest SCIMES cen-
troid with an existing distance assignment. The size of this volume
is in agreement with the appropriate tolerance for friend-of-friends
grouping (Wienen et al. 2015) and corresponds to the median angu-
lar size andmaximum linewidth of molecular clouds (Roman-Duval
et al. 2009).

Finally, Reid’s Bayesian calculator is employed to estimate
the distances of the remaining SCIMES sources with undetermined
distances with a near-far probability of 0.5.

To avoid contamination of the results by local sources and to
exclude a large number of low-luminosity clumps/clouds below the
completeness limit, only sources with heliocentric distance > 2 kpc
are included (Urquhart et al. 2018).

Galactocentric distances are calculated independently through
Brand & Blitz (1993)’s rotation curves. The angular velocity is

Figure 3. Distributions of heliocentric and galactocentric distances for the
CHIMPS 13CO (3 - 2) sources extracted through the FW and SCIMES
segmentations. The black histogram is the distribution of sources in a subset
of the COHRS catalogue. The vertical lines denote the median values of
the distributions. The median values of the distributions of heliocentric
distance are 5.9, 5.3, and 5.8 kpc for the SCIMES, FW, and COHRS source
respectively. In the case of galactorcentric distances, the median values are
6.6, 5.7, and 5.4 in SCIMES, FW, and COHRS respectively.

derived from the line-of-sight velocity, 𝑣LSR, and the Galactic co-
ordinates 𝑙 and 𝑏 via the relation

𝜔 = 𝜔0 +
𝑣LSR

𝑅0 sin(𝑙) cos(𝑏)
, (1)

where 𝜔0 = 220 km s−1 kpc−1 is the Sun’s angular velocity at its
Galactocentric distance 𝑅0 = 8.5 kpc. The Galactocentric distance
of a source is then obtained by solving

𝜔

𝜔0
= 𝑎1

(
𝑅

𝑅0

)𝑎2−1
+ 𝑎3

𝑅0
𝑅

(2)

numerically, with the constants 𝑎1 = 1.0077, 𝑎2 = 0.0394, and
𝑎3 = 0.0071 (Brand & Blitz 1993).

Fig. 3 shows the distribution of distances to CHIMPS 13CO
sources extracted with both FW and SCIMES. For comparison,
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Figure 4. Top-down view of the locations of the 13CO (3 - 2) extracted
through the SCIMES algorithm from CHIMPS. The background image is
published by (Churchwell et al. 2009b). The Solar circle and the locus of the
tangent points have been marked as dashed and dotted lines respectively.

the distance distribution of the subsample of COHRS sources is
included.

The absence of a one-to-one correspondence between FW and
SCIMES clouds makes it impossible to establish a unique matching
criterion between the FW and SCIMES distance assignments of
each cloud. In the assignment method described above, a distance is
assigned to a SCIMES cloud based on the FW sources it contains.
The difference in the numbers of clouds at large distances (∼ 12 kpc)
and at∼ 5 kpc in the FW and SCIMES catalogues are a consequence
of the differences in the segmentations and the assignment scheme
of Section 4. The larger number of clouds seen in the SCIMES
catalogue at 12 kpc arises from those assignments that do not involve
FW distances. To check the robustness of the distance assignments
great than 12 kpc, we consider the Larson relations and the galactic
latitude of this set of sources (133). The Larson relations confirm
the scaling obtained for the full sample discussed in Section 6.6,
while 50% are off the Galactic plane with latitudes either smaller
than −0.15◦ or greater than +0.15◦.

However, as we discuss below, when the statistical properties
of a large ensemble of sources are considered, the impact of a
particular choice of distance assignment on the derived parameters
and properties for individual clouds becomes less prominent.

The top-down view of the locations of the CHIMPS sources
extracted by SCIMES on the Galactic plane is shown in Fig. 4. No
sources closer than 3.5 kpc from the Galactic Centre are found since
the CHIMPS data do not probe longitudes closer to the centre. The
sources in our sample reside within the four main spiral arms, the
Scutum-Centaurus, Sagittarius-Carina, Perseus and Outer arms and
the smaller Aquila Rift and Aquila Spur features. The spiral-arm
structure is mirrored by the distribution of the sources’ Galacto-
centric distances. The lower panel of Fig. 3 displays large peaks at
∼ 4.5 and ∼ 6.5 kpc. These are the locations of the Scutum and
Sagittarius arms seen from the Galactic Centre. The smaller peak at
∼ 7.5 kpc corresponds to the sources collected in the Perseus arm.

As a section of the Scutum arm traverses the locus of tangential
circular velocities, the sources in this area become clustered along
this locus leaving gaps either on both sides (Fig. 4). This artefact
stems from sources that have velocities greater than the terminal
velocity due to non-circular streaming motions, which get binned at
exactly the tangent distance, resulting in the apparent ‘gap’ and arc
of sources lying on the tangent circle.

4.1 A note on distances

To quantify the impact of the choice of distance assignment on
the physical properties of the clouds in the catalogue, we consider
three random distance assignments and check their corresponding
distributions of masses. For the full SCIMES catalogue, the random
distance assignments consist of applying a distance to each SCIMES
cloud by drawing the value from

(i) the set of all distances assigned to the SCIMES sources (each
distance has the same probability of being assigned),
(ii) a set of (equispaced) distances between the minimum and

maximum value of the SCIMES distance assignments,
(iii) a probability distribution (weights) generated from the orig-

inal distribution of distances

The distance distributions derived from these assignments are
compared to that of the original assignment in Fig. 5. This figure
also depicts the distributions of masses associated with the three
random distance assignment methods described above. The masses
corresponding to each random distance assignment were estimated
as in subsection 6.2. Although the distance distributions are largely
dependent on the chosen assignment method, their differences are
strongly mitigated when the corresponding masses are considered.

Performing the Kolmogorov-Smirnov test to check whether
the original mass assignment and the random assignment are
samples from the same distribution returns 𝑘 = 0.0797 with p-
value= 8.9931×10−8 and 𝑘 = 0.0790with p-value = 1.2360×10−7
for distance drawn randomly from the original set of distance as-
signments and from a set of (equispaced) distances between the
minimum and maximum value of the SCIMES distance assign-
ments (see above). Finally. when we consider distances drawn from
a probability distribution (weights) generated from the original dis-
tribution of assigned distances describe in Section 4, the test returns
𝑘 = 0.0267 with p-value = 0.2994.

These results thus demonstrate that mass distribution obtained
from randomly assigned distances is independent of the distribution
of mass obtained with the distance assigned through the algorithm
in Section 4 unless the values are randomly chosen from the original
distribution of distances. Similar results can be obtained for other
physical properties that depend directly on distance, e.g. cloud radii,
area, and surface densities. Even though the purely random distribu-
tions show deviations in the statistics, we do not actually expect the
actual distribution of distances to the observed clouds in this sample
to differ much from the assigned one (the first two cases above are
extremes). Thus this test shows us that inaccurate distances to clouds
are not crucial when the overall population still follows the expected
distance distribution. The size of a sample containing a wide range
of cloud sizes and geometries thus mitigates the inaccuracies and
differences arising from imprecise distance assignments.
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Figure 5. Top row: distribution of the three sets of random distances compared to the assigned distances to SCIMES clouds in CHIMPS (SCIMES). From
left to right: the first set (Random 1) corresponds to distances drawn from the set of unique distances that were assigned to SCIMES sources. The second set
(Random 2) is drawn from the set of (equispaced) distances between the minimum and maximum value of the SCIMES distance. Finally, the set Random 3
is drawn from the distribution of distances generated from the original SCIMES. Bottom row: distribution of masses estimated from the random distance sets
compared to the masses corresponding to the original SCIMES distance assignments.

5 COMPARISON BETWEEN FW AND SCIMES
SEGMENTATIONS

Figure 6 shows the FW and SCIMES extractions of 13CO (3-2)
emission in region 3 (see text and Fig. 1) in the 59.72-km s−1 ve-
locity plane at 27.4-arcsec resolution. In the two panels, regions
of space belonging to the cross-sections of different clouds are
distinguished by different colours. The most prominent difference
between the two extractions lies in the relative over-segmentation
of the emission in the FW panel. This is a known feature in FW
extractions in which the watershed algorithm tends to break the
emission into compact clumps that are accounted for as isolated
features. A notable example is the large section of the SCIMES
source extending from 34◦ to 35◦ of longitude in the mid panel
of Fig. 6. The selected velocity slice highlights how this extended
SCIMES source becomes fragmented into adjacent clumps in the
FW extraction. This behaviour is also observed in the example of
segmentation of crowded and sparse fields provided in Fig. A1 in
Appendix A. In addition, as Rigby et al. (2019) points out, diffuse
emission around the detection threshold can be identified as sets
of disconnected voxels, clustered together as individual clumps (an
example is given in Fig. 7). These clouds are recognisable by their
very irregular shapes and they were flagged as ‘bad sources’ after
a visual inspection in the FW catalogue (Rigby et al. 2019). These
sources are excluded in the analysis that follows.

Coherent sources at low SNR and areas of emission crossing
the boundaries between tiles also belong to this category. These
sources often present very irregular segmentation due to the dif-
ference in noise levels among tiles. Such discontinuities may also
create small clumps that do not originate from features in the emis-

sion map but reflect changes in the emission in adjacent channels3.
These inconsistencies are a consequence of performing the extrac-
tion on SNRmaps. Such occurrences are, however, small in number
and the total sample is only marginally impacted.

The final catalogue published by Rigby et al. (2019) includes
4999 sources, 1335 ofwhichwere classified as ‘bad sources’ thought
to arise from such artefacts.

If we directly compare the segmentation produced by FWwith
that of SCIMES on the same velocity plane (middle panel in Fig.
6), the emission is segmented into fewer individual sources with
SCIMES, generally covering larger areas than their FW counter-
parts. This characteristic of the SCIMES segmentation is supported
by the analysis of the geometric and physical properties of its sources
(see below), thus a cloud/clump is, in general, not characterised by a
single maximum emission peak. SCIMES clusters consist of signals
from different hierarchical levels of the emission dendrogram. The
fragmentation induced by FW identifies pieces of the substructure
as individual entities. In the framework of SCIMES, these clumps
correspond to dendrogram branches.

The introduction of artificial boundaries cutting through areas
of less intense emission between peaks is a consequence of the
watershed algorithm characterising disjoint clouds by single indi-
vidual peaks. The volume and luminosity similarity criteria defin-
ing SCIMES clustering, instead, allow for the grouping of emission
from both the bright cores (i.e. dendrogram leave/peaks of the emis-
sion) together with their tenuous surrounding envelopes (bottom
panel in Fig. 6) into a single object, thus bypassing the impact of
SNR discontinuities at the edges of adjacent tiles.

3 With the FWparameterisation used for the segmentation of CHIMPS data,
voxels with SNR = 2 can be included in a clump, when they are directly
connected to a clump with a peak SNR > 5 (Rigby et al. 2019).
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Figure 6. Corresponding FW (top) and SCIMES (bottom) clusters in the
59.72-km s−1 velocity plane at 27.4-arcsec resolution (see text). In both
panels, different colours represent different clouds.

6 PHYSICAL PROPERTIES

6.1 Cloud sizes

We estimate the size of the CHIMPS clouds by considering two
’approximate’ radii associated with different characteristics of the
emission. Adopting the definitions in Rigby et al. (2019), we con-
sider the equivalent radius 𝑅eq as the radius of the circle whose area
(𝐴) is equivalent to the projected area of the source,

𝑅eq = 𝑑
√︁
𝐴/𝜋, (3)

where 𝑑 is the distance assigned to the source. The values of the
equivalent radii associated with the SCIMES sources were calcu-
lated directly from the values of the exact areas produced by the
Astrodendro dendrogram statistics tools.

For consistency in the comparison with physical properties
defined in Rigby et al. (2019), we also consider the geometric mean
of the intensity-weighted rms deviations in the 𝑙 and 𝑏 axes (𝜎𝑙
and 𝜎𝑏), deconvolved by the telescope beam, and 𝑑 the assigned
distance,

𝑅𝜎 = 𝑑
√
𝜎𝑙𝜎𝑏 . (4)

The "geometric radius" 𝑅𝜎 provides a measure associated with the
projected extent of the cloud in the 𝑙 and 𝑏 directions. Depending
solely on the emission profile of the source, 𝑅𝜎 is less affected

Figure 7. Example of disconnected clouds in the FW segmentation. The
panel shows the projection along the spectral axis of a portion of the FW
extraction. The colours indicate individual clouds. The green (1), purple (2),
yellow (3), pink (4), red (5), pink (6), cyan (7), and orange (8) fragments
are identified as single clouds. This projection illustrates that, even after the
removal of noise artefacts ("bad sources") the FW catalogue still contains a
number of fragmented sources.

by the variations in the noise level in different areas of the survey
(while 𝑅eq has no dependence on the emission profile). 𝑅𝜎 thus
provides a more consistent measure than 𝑅eq for the smallest and
densest clumps where star formation is likely to be located (under
the assumption that smaller clumps are centrally concentrated).

We adopt a version of 𝑅𝜎 scaled by a factor [ that considers
an average emission profile. The constant [ is set to 2. This value
corresponds to the median value found by (Rigby et al. 2019) for the
FW extraction and it is a compromise between the commonly-used
conversion [ = 1.9 (Solomon et al. 1987; Rosolowsky & Leroy
2006; Colombo et al. 2019) and [ = 2.1, the median value we found
using the alternative version of 𝑅𝜎

𝑅𝜎 = 𝑑
√︁
𝜎maj𝜎min, (5)

easily obtainable from theAstrodendro statistical tools for finding
the major and minor axes of the projected SCIMES sources. The
equivalent radius 𝑅eq is used in all instances in which the radius
enters the definition of a physical quantity. Rigby et al. (2019) also
used the conversion factor [ in definitions where the comparison to
different datasets required the use of 𝑅𝜎 .

A simple visual inspection of the segmented emission maps
(see Fig. 6 for an example) reveals the over-segmentation produced
by FW (more prominent in crowded fields). The high-value tail of
the SCIMES distribution of 𝑅eq in Fig. 8, relative to that from FW,
confirms the higher number of larger clouds extracted by SCIMES.
This result holds when heliocentric distances are constrained be-
tween 8 and 12 kpc. Following Rigby et al. (2019), this specific
distance-limited subsample is introduced as a ‘most reliable’ sub-
sample against which we will compare any relationships between
the physical quantities of the full sample to ensure that no bias is
introduced by the choice of distance assignment. This set only in-
cludes 462 SCIMES sources with Galactocentric distances ranging
from 4.0 to 8.5 kpc.Within this distance range, the spatial resolution
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Figure 8. Distributions of equivalent radii in the SCIMES and FW segmentations (left panel). The right panels show the distributions for the distance-limited
(8-12 kpc) samples.

element between the nearest and most distant sources differs by no
more than 50%, while the sub-sample covers a significant fraction
of the full sample.

In Fig. 9, we consider the source volumes, measured as the
number of voxels that constitute each cloud as it is identified as an
individual entity by the segmentation algorithms.We notice that, be-
sides identifying large clouds in crowded fields (and thus being less
prone to over-segmentation; see also Appendix A), SCIMES also
extracts a significant number of smaller clouds, especially in sparse
fields. The mean volume of all sources extracted amounts to 2191.8
voxels in SCIMES and 1307.1 voxels in FW. However, a dendro-
gram parameterization thatmatches the FWconfiguration described
in Rigby et al. (2019) also produces 540 smaller clouds that do not
contain any emission peaks arising from the FW extraction. These
source may be found both in the proximity of similar emissions
features identifid by the FW algorithm or in areas devoided of FW
emission. This feature of the SCIMES segmentation becomes rele-
vant in the calculation of velocity dispersions in sub-section 6.4, in
which the emission-weighted velocity channels spanned by a cloud
are considered. Fig. B1 in Appendix B shows some examples of
this set of sources. To ensure that these clouds are not low-emission
artefacts constituted by low-density gas, we plot the distribution of
their densities (Fig. 9), finding that it matches the distribution of the
full SCIMES sample.

6.2 Mass

Once distances are assigned, the true size of each voxel in the
SCIMES segmentation can be calculated. Its contained mass is then
estimated through the column density cubes (see Section 2). The H2
mass of the cloud is estimated by considering the mean mass per H2
molecule, taken to be 2.72 times the mass of the proton, accounting
for a helium fraction of 0.25 (Allen 1973), and an abundance of 106
H2 molecules per 13CO molecule (Draine 2011).

The mass spectra for CHIMPS clouds and their fitted relations
are displayed in Fig. 10. The mass spectral indices found with a
power law fit are −1.41 ± 0.05 for SCIMES clouds, −1.284 ± 0.02
for FW and −0.920 ± 0.04 for the COHRS survey. The binning of
the masses follows Maíz Apellániz & Úbeda (2005) with variable

bin widths and fixed bin population of 2𝑁2/5, with 𝑁 being the
number of individuals in the entire population. This convention is
adopted to remove biases due to binning and was previously used
in Eden et al. (2015) and Eden et al. (2018). The SCIMES index
is consistent with −1.6 ± 0.2 found by Roman-Duval et al. (2010)
and previous studies (Sanders et al. 1985; Solomon et al. 1987;
Williams et al. 1994). FW is slightly below this value. COHRS
masses are expressed in terms of the molecular gas luminosity
and obtained by using the conversion factor 𝑀 = 𝛼CO𝐿CO , with
𝛼12CO(1−0) = 4.35M� pc−2 km−1s, assuming a mean molecular
weight of 2.8𝑚H per hydrogen molecule. The conversion factors
were calibrated with the 12CO(1–0) assuming a line ratio 𝑅31 =
12CO(3−2)/12CO(1−0) to scale the calculated properties directly
to physical properties (Colombo et al. 2019). The COHRS sample
shows the greatest discrepancy, hinting that a single power law
might not be applicable to all tracers of the same molecular clouds.
The slope of the COHRS spectrum produces the best fit for values
around 𝑀 > 105𝑀� (where it becomes similar to the fits of the
SCIMES and FW samples). The flatter slope in 12CO suggests that
this SCIMES segmentation detects fewer small individual leaves
that we could extract with 13CO because they get grouped into
larger structures connected by more diffuse material (and, perhaps,
a number does not even appear as peaks in the 12CO emission
because of the gas being optically thick). In this scenario only
the diffuse gas around the clumps is detected, suggesting that the
COHRS sample, identifying more massive structures, is incomplete
at smaller masses (see discussion below).

The turnover at ∼ 300𝑀� is an indicator of the completeness
limit of the data. This is the mass limit below which sources are not
dependably extracted and therefore their distribution cannot be fitted
by any power law. This limit depends on the size in both spatial and
spectral axes, the local noise level, and the source density profile in
addition to the total mass. Rigby et al. (2019) show that there is no
single completeness limit in the CHIMPS data as the completeness
limit is distance-dependent.

Vital to an accurate mass estimation is a precise distance as-
signment. The typical uncertainty on the distances estimated from
the Bayesian distance algorithm is ∼ 0.3 kpc (Reid et al. 2016),
which affects shorter distances the most (30% at 1 kpc) but falls
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Figure 9.Distributions of numbers of voxels in the FWand SCIMES sources
(top panel). The red outline histogram represents those SCIMES sources that
do not contain any emission peak found in the FW catalogue. The bottom
panel portrays the distributions of H2 number densities for this subset and
the whole SCIMES sample.

to a few per cent already at 5 kpc. Taking into account the error
on the conversion CO-to-H2 conversion factor and column density
estimation (Urquhart et al. 2018; Rigby et al. 2019), we estimate
a typical error in cloud mass of order 30-40 per cent. In addition,
the distance assignment (as well as all other calculated parameters)
is very likely to be contaminated by uncertainties in the assump-
tions and approximations in the variety of methods considered in
the various surveys. Section 4.1 presents a comparison between
mass distribution derived from random distance assignments, sug-
gesting distance assignments make no significant difference to the
full-sample statistics.

Fig. 11 shows the mass-radius relationship for sources in
CHIMPS extracted with both the FW and SCIMES methods. Power
law fitting produces slopes of 2.02 ± 0.02 and 1.97 ± 0.02 for FW
and SCIMES respectively. The distance-limited sample is fitted
with 1.93 ± 0.06. The values are similar to the power law expo-
nent of 2.36 found for molecular clouds in the GRS (Roman-Duval
et al. 2010) The scatter in the CHIMPS data is much larger than
that in the GRS (Rigby et al. 2019) and probably relates to the

Figure 10. Comparison between the data and the fitted functions for mass
spectra. The dots indicate the centres of the mass bins. The colours refer to
the method of extraction and survey.

Figure 11. Mass-radius relationship for CHIMPS and COHRS sources.
Notice that the fit of the full SCIMES sample and the distance-limited
subsample are nearly identical.

large difference in resolution, and it is comparable to the scatter in
the ATLASGAL data, which were extracted at similar resolution
(∼ 20 arcsec). Dense clumps in ATLASGAL are found to follow
a shallower power law with exponent 1.65 (Urquhart et al. 2018).
COHRS sources (2.15± 0.03) have been added for comparison. As
expected, the larger structures detected through 12CO emission re-
sult in the larger masses in panel A of Fig. 12, and the distributions
with distance in Fig. 13. CHIMPS and COHRS trendlines also fol-
low a similar pattern, suggesting that the segmentation of COHRS
identifies the more extended counterparts of CHIMPS objects.

Panel A in Fig. 12 compares the distributions of mass in
the two CHIMPS emission extractions with that mass in COHRS
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Figure 12. Panels A-H: distributions of total mass, equivalent radius, average number density, virial parameters, excitation temperature, turbulent and thermal
pressure, and Mach numbers in the CHIMPS sources. Distributions of COHRS sources are also added for comparison when the data are available.
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clouds. The calculation for mass estimation from CO luminosities
in COHRS is described in Colombo et al. (2019). The mass distri-
bution reflects the size distribution of the clouds for the SCIMES
and FW segmentations.

The mass distribution as a function of heliocentric and Galac-
tocentric distances of the full sample is presented in Fig. 13, where
the trend at small Galactocentric distances is likely to be an arte-
fact originating from the small number of sources in the initial bin
(3.5-4.0 kpc) and the position of the centre of the bin in the plot.

6.3 Hydrogen number density

The mean (volumetric) particle density (or number density) over
the approximate volume of a cloud (assuming 2D to 3D symmetry)
is calculated as

𝑛(H2) =
3
4𝜋

𝑀

`𝑚𝑝𝑅
3
𝑒𝑞

, (6)

where 𝑀 is the mass of the cloud, `m𝑝 (= 2.72m𝑝) is the mean
molecular weight.

The distribution of molecular hydrogen number densities ex-
tracted from CHIMPS via FW and from CHIMPS and COHRS by
SCIMES is reported in panel C of Fig. 12. The larger masses and
greater radii found in COHRS clouds result in a distribution of mean
molecular hydrogen density that is comparable to the ones obtained
for the SCIMES and FW segmentations.

We notice that the distributions of H2 number densities ex-
hibit values much less than the critical density of the 13CO (J=3–2)
transition. In a clumpy medium, the average density may be an un-
derestimate of the typical density at which most emission originates
and the H2 number density assigned to each cloud represents the
average density over the entire (approximated) volume of the cloud.
This average value accounts for both clumps with a density over the
critical threshold and areas of far more rarefied gas.

Gas with densities lower than the critical density will also
be warmer than the calculated excitation temperature (Rigby et al.
2019). However, it may still emit in a sub-thermal mode in which
the energy level populations are not distributed according to the
Boltzmann distribution. This underestimate in the gas temperature
is mirrored in overestimates in the gas column density (Rigby et al.
2019). The distribution of mean excitation temperatures of the FW
extraction of CHIMPS clouds is found to have a mean value of 11.5
K, which matches the expectation for molecular structures covering
the size regime from cores, through clumps, to clouds (Bergin &
Tafalla 2007). Sub-thermal emission can therefore be assumed not
to be a dominant effect in the 13CO emission (see also Rigby et al.
2019).

The unexpected left tail in the distribution of SCIMES mean
number densities should not necessarily be considered an indication
of smaller volumes or masses in disagreement with our previous re-
sults, but rather arising from the inaccurate spherical approximation
of larger irregularly-shaped clouds. The approximation is aggra-
vated by using the equivalent radius to match the cloud’s extension
both along the Galactic coordinates and the line of sight. This is
particularly evident for clouds with large aspect ratios (filamentary)
are more likely to have a "depth" which is similar to the smaller
dimension of the projected cloud (i.e. the width of the filament).
In which case, 𝑅eq estimated from the equivalent area will provide
an overestimation of depth, and consequently an underestimation of
the cloud’s density.

6.4 Velocity dispersion

The velocity dispersion (𝜎𝑣 ) measures the statistical dispersion
of velocities about the mean velocity for a molecular cloud. In
the clump-finding implementation of FW provided in the JCMT
Starlink software suit, 𝜎𝑣 is estimated as the RMS deviation of
the velocity of each voxel centre from the clump velocity centroid
(Berry 2015). The FW catalogue adopts this as the measure of
the extent of a cloud along the spectral axis. For a cloud with a
Gaussian distribution of velocities, this definition of𝜎𝑣 corresponds
to the standard deviation of the distribution with mean value at
the centroid velocity. Equivalently, SCIMES derives its velocity
dispersion from the intensity-weighted second moment of velocity
through theAstrodendro ppvstatitics function. The distributions
of the velocity dispersion in Fig. 12 reflect the difference in size
of the clouds extracted by the two methods, these being related
via Larson’s relations. Although SCIMES tends to extract overall
bigger sources, this extraction also exhibits a significant number of
smaller clouds that are not matched to FW emission (see Section
6.1). This subset contributes systematically smaller values of 𝜎𝑣 ,
shifting the overall distribution, which then acquires a lower mean
(0.89 km s−1) than FW (0.98 km s−1).

For the COHRS plots, we consider the non-extrapolated and
non-convolved data, see (Colombo et al. 2019). In general, the
larger the size of a cloud, the wider the distribution of velocities
of its particles, thus its velocity dispersion. The velocity dispersion
causes the broadening of linewidths in CO observations. This fact is
mirrored in the distribution of velocity dispersions in the clouds of
the COHRS catalogue and their size-linewidth relation in Fig. 14.
Line widths are expected to be larger in 12CO because of the high
optical depths suppressing the peak intensities as well as tracing
larger structures with larger turbulent velocities.

6.5 The virial parameter

The virial parameter encodes the dynamic state of amolecular cloud,
assuming that the cloud is capable of sustaining virial equilibrium.

The virial parameter is defined as the ratio of a cloud’s spher-
ically symmetric virial mass to its total mass (𝑀)

𝛼vir =
3𝜎2𝑣[𝑅𝜎

𝐺𝑀
(7)

where 𝐺 is the gravitational constant. This definition (Rigby et al.
2019) assumes a radial density distribution 𝜌(𝑟) ∝ 𝑟−2 (MacLaren
et al. 1988) and includes 𝑅𝜎 to account for the median emission
profile. The intensity-weighted radius reinforces the gravitational
energy in those regions where the density is higher.

Approximating a source as a spherically symmetric distribu-
tion of density introduces a factor-of-two uncertainty in the estima-
tion of the virial parameter. This arises from both characterising the
source by a single radius and from choosing this particular radial
profile. This error will be systematic to a large extent, and likely to
affect both segmentations in the same fashion.

In the absence of a strong magnetic field or external pressure,
𝛼vir equals 1 when the clouds are in virial equilibrium. A value
𝛼vir = 2 indicates that the gravitational energy equals the kinetic
energy in the cloud. Values of 𝛼vir smaller than 1 characterise an
unstable, collapsing system (when other sources of supporting pres-
sure are absent). A dissipating system, dominated by kinetic energy,
is characterised by 𝛼vir > 2. While 1 < 𝛼vir < 2 indicates approxi-
mate equilibrium. These cloudsmay be free-falling and small values
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Figure 13. Various properties measured for the CHIMPS and COHRS (when data are available), namely the equivalent radius, mass, mean number density,
excitation temperature, virial parameter and turbulent pressure as functions of both Galactocentric (left) and heliocentric (right) distance. For Galactocentric
distances, we have plotted trendlines and error bars. The trendlines connect the mean values of 0.5 kpc wide bins. The error bars are the standard errors of the
means. The rise in the density plots at low heliocentric distances may be considered an indicator of a resolution bias. This bias is visible in the distribution of
𝑅req with heliocentric distance.
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Figure 14. Size-linewidth (right panel), size-virial parameter (central panel), and size-density (left panel) relationships for the CHIMPS and COHRS sources.
The size parameter is the scaled intensity-weighted rms size, [𝑅𝜎 , for which [ = 2.0. Fitting lines are shown where a correlation is found between the
quantities considered. The dashed lines indicate the Larson relations.

of the virial parameter may indicate other support or observation
biases (Traficante et al. 2018). It has been suggested that the height-
ened velocity dispersions due to rapidly infalling gas in collapsing
cloud fragments may still raise the cloud’s value of the virial pa-
rameter to ∼ 2 (Kauffmann et al. 2013). This would be the case
of the smaller FW clouds, identified around single high-emission,
high-density peaks. Fragments with 𝛼vir � 2 are more likely to
host and be supported by strong magnetic fields or to house ongo-
ing high-mass star formation. In the absence of these conditions,
their life would be too short to allow for their detection (Kauffmann
et al. 2013).

The distribution of the virial parameter in CHIMPS and
COHRS is presented in panel D of Fig. 12. The SCIMES distri-
bution indicates that a large number of clouds in this segmentation
are gravitationally unstable or in approximate equilibrium.

Fig. 13 shows the virial parameter as a function of the Helio-
centric and Galactocentric distances, respectively. A closer look at
the trendlines in Fig. 13 reveals a hint of a slightly increased 𝛼vir
inside 7 kpc, or perhaps in the spiral arms. This trend may be due to
the errors on the means of the bins increasing significantly at large
radii. The decrease of the virial parameter as a function of helio-
centric distance reflects the mass trend shown in Fig. 13. We notice
that this feature was also found in the SEDIGISM survey (Schuller
et al. 2017) and may thus be an indication of some observational
bias.

6.6 Scaling relations

To continue the comparison with the analysis proposed in Rigby
et al. (2019) for the FW sample, we now consider the scaling rela-
tions between molecular-cloud properties. Applying a power-law fit
to the size-density relation shown in Fig. 14 produces average num-
ber densities proportional to 𝑅𝑎 with 𝑎 = −1.01±0.02 for SCIMES
clouds (𝑎 = −0.97 ± 0.02 for the distance-limited subsample, and
𝑎 = −0.99 ± 0.05 in the FW case). For COHRS clouds 𝑎 equals
−0.85 ± 0.03. The fits of FW and SCIMES sources both produce
values of 𝑎 similar to the original scaling relation 𝑎 = −1.1 ± 0.05
found by Larson (1981).

A fit to the size-velocity dispersion relation produces 𝜎𝑣 ∝
𝑅𝑎 with 𝑎 = 0.31 ± 0.01 for SCIMES clouds (𝑎 = 0.42 ± 0.03

for the distance-limited subsample), and 𝑎 = 0.34 ± 0.01 in the
FW case). Both values are similar to the original scaling relation
𝑎 = 0.38 ± 0.14 found by Larson (1981) over a factor of 30 in
size, which was originally interpreted as evidence that the internal
motions of molecular clouds follow a continuum of turbulent flow
inherited from the ISM at larger scales. For the COHRS clouds
𝑎 = 0.28 ± 0.02.

SCIMES clouds that are characterised by smaller values of the
virial parameter (< 0.6) fall in a size range between 2 and 20 pc.
These clouds include the smallest, most compact sources, and the
most likely sites of star formation. The size-virial parameter relation
fit produces 𝛼𝑣 ∝ 𝑅𝑎 with 𝑎 = −0.25 ± 0.03 for SCIMES clouds.
The distance-limited subsample provided the least precise fit with
𝑎 = 0.09± 0.06, consistent with zero. The discrepancy between the
values for the full sample and the distance-limited sources is due to
the lack of statistical correlation (Spearman correlation coefficient
= 0.01 with p-value = 0.03) between 𝑅eq and 𝛼vir in the reduced
set, in addition to the large error produced by the chi-square fitting
algorithm. Fitting the FW sources yields 𝑎 = −0.45 ± 0.02. The
slopes found above for the SCIMES and FW sources are signifi-
cantly steeper than the original scaling relation 𝑎 = −0.14 found
by Larson (1981). The discrepancy may be due to the varying mass
completeness as a function of distance. A factor 𝑎 = −0.54 ± 0.06
was found for COHRS clouds.

6.7 Free-fall and crossing times

The free-fall timescale, 𝑡ff , represents the characteristic time that
would take a body to collapse under its own gravitational attrac-
tion. As mentioned above, 𝑡ff depends solely on the density and
the densities of the chemical species of the gas. In terms of the
molecular hydrogen mean number density discussed in the previ-
ous sub-section,

𝑡ff =

√︄
3𝜋

32𝐺`𝑚𝑝𝑛(𝐻2)
. (8)

The crossing timescale, 𝑡cross, corresponds to the time it takes
a disturbance to cross the system at the sound/signal speed in the
medium. The length of 𝑡cross is directly proportional to the size of
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the system and inversely proportional to the velocity dispersion= of
the gas:

𝑡cross =
2𝑅eq
𝜎𝑣

. (9)

The distributions of these timescales for the two segmentations
of CHIMPS and COHRS are compared in Fig. 15. FW and SCIMES
crossing times present similar distributions.

The left and right tails in the distribution of crossing times in
SCIMES reflect the corresponding distribution of velocity disper-
sions. The distribution of free-fall timescales evidences the lower
average surface densities of the larger SCIMES clouds, and may
also originate from the elongated clouds where the volume density
was underestimated by the spherical approximation with radius 𝑅eq.

6.8 Excitation temperature

Excitation temperatures are assigned to clouds by considering the
mean temperature contained within the cloud assignments in the
maps constructed in Section 2. The distributions of excitation tem-
perature in the FW and SCIMES segmentations of the 13CO (3-2)
emission in CHIMPS are shown in panel E of Fig. 12. The temper-
atures from the SCIMES catalogue are systematically lower than
FW temperatures. The average SCIMES excitation temperature is
10.19± 0.040K while FW clouds have a mean of 11.54± 0.039K.
Although SCIMES detects, in general, more diffuse and thus po-
tentially warmer material, the higher average temperature estimated
in the FW sample is likely to be due to the SCIMES clouds being
larger and thus extending to lower CO brightnesses, which results
in a lower inferred excitation temperature when the beam filling is
assumed to be ∼ 1. CHIMPS excitation temperatures do not vary
significantly with distance (Fig. 13). As a function of the Galacto-
centric distance, the two segmentations show no obvious (difference
in) biases and no overall gradient of the excitation temperature (the
initial decreasing gradient with Galactocentric distance cannot be
confirmed due to the lack of information at distances shorter than
3.5 kpc from the Galactic centre in CHIMPS). This contrasts with
the probable gradient in the interstellar radiation field (Maciel1 et al.
2007), dominated by cosmic-ray heating or (less likely) by internal
heating. The density regime probed by CHIMPS, however, provides
enough shielding to contrast this effect.

Arm radii (∼ 4.5, ∼ 6.5, and ∼ 7.5 kpc, see section 4 ) only see
an increase in source counts, which increases the detected wings
of the scatter distribution to higher 𝑇ex, but does not result in a
significant change in the mean.

The high-temperature outliers in the SCIMES segmentation
have coordinates and distances corresponding to those of the star-
forming regionW49 (𝑙 ≈ 43.2◦, 𝑏 ≈ 0.0◦ at 11.1 kpc). This region is
considered extreme as it has column densities dust temperatures, and
luminosity per unit mass (Nagy et al. 2015) consistent with those
found in luminous and ultraluminous infrared galaxies (Solomon
et al. 1997; Nagy et al. 2012). The region also has an overabundance
of ultracompact HII regions (Urquhart et al. 2013).

6.9 Turbulent pressure

The three-dimensional velocity dispersion (3𝜎2𝑣 ) can be decom-
posed into its thermal

𝜎2T = 𝑘B𝑇ex/`𝑚p (10)

Figure 15. Distributions of the crossing and free fall timescales associated
with the CHIMPS 13CO (3 - 2) sources in the FW (blue) and SCIMES (red),
and COHRS (black) catalogues.

and non-thermal (turbulent)

𝜎2NT = 3𝜎2𝑣 − 𝜎2T (11)

components, where the one-dimensional velocity dispersion is de-
fined in sub-section 6.4.

The turbulent pressure is then defined as

𝑃turb/𝑘B = `𝑚p 𝑛(𝐻2) 𝜎2NT/𝑘B Kcm−3, (12)

This is the internal pressure of the clouds arising from the
turbulent motions of molecular gas. The turbulent pressure distri-
butions in panel F of Fig.12 show that SCIMES sources tend to have
lower pressure than their FW counterparts. The lower pressures ap-
pearing in the SCIMES distribution are likely to be a consequence
of SCIMES’ smaller velocity dispersions 𝜎𝑣 entering definition 12
since at larger scales we would expect clouds to manifest higher
turbulent pressure. We notice that the three peaks characterising the
distribution of turbulent pressures in the distance-limited sample
are likely to arise from the difference in the environmental den-
sity of the sources located within spiral arms (Bonnell et al. 2006).
The median values of the two distributions are comparable with
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SCIMES having a median of 2.5 × 105 Kcm−3 and FW of 4 × 105
Kcm−3. Both these values agree with the total mid-plane pressure
in the Solar neighbourhood (∼ 105 Kcm−3).

The distribution of 𝑃turb/𝑘B with helio- and Galactocentric
distance are given in Fig. 13, respectively. The range of 𝑃turb/𝑘B
covered by both distributions is consistent with themid-plane values
(Rathborne et al. 2014).

The thermal pressure can be defined as

𝑃thermal = 𝑛(H2) 𝑘B 𝑇ex. (13)

Thermal pressure distributions are presented in panel G of
Fig. 12. The turbulent pressures are found to be ∼ 60 times greater
than the corresponding thermal pressures. Lower average densities
result in lower pressures associated with the COHRS sample.

6.10 Mach numbers

Panel H of Fig. 12 represents the distributions of Mach numbers
M = 𝜎NT/𝜎T of the sources in the FW and SCIMES segmenta-
tions. The distributions look similar, both peaking in the supersonic
regime (M ∼ 5) and extending out to higher Mach numbers.

The difference in the distributions vanishes as the tails of the
distributions flatten out past M = 20 where fewer large enough
clouds to sustain these hypersonic regimes are found.

7 CONCLUSIONS

This article presents a cross-correlation of the properties of indi-
vidual clouds in two different segmentations of the 13CO (3 − 2)
emission in the CHIMPS survey: one obtained with the watershed
algorithm FellWalker and the other with the dendrogram-based
SCIMES. These methodologies yield different numbers of molec-
ular clouds (1586 with SCIMES while FW yields a reliable set
of 3665 sources) but produce largely consistent results with simi-
lar ranges in masses, equivalent radii, mean number densities, and
velocity dispersions. The distributions of mean number densities,
masses, virial parameters, and dynamic timescales all reflect the dif-
ferences in volumes and geometries found in the two segmentations.
Aword of warning should however be spent on the cross-correlation
of the physical properties of individual sources between the two
catalogues. Different definitions, numerical implementations, and
design choices within each method influence the estimated value of
a given physical quantity and those derived from it. Additionally,
the SCIMES extraction of 12CO (3 − 2) in COHRS is considered
as a term of comparison with a different tracer over the same area
spanned by CHIMPS. This particular transition of the 12CO iso-
topologue is, in general, a more optically thick tracer than 13CO
(3 − 2). In practice, this implies that the COHRS segmentation
traces lower-density regions of the molecular clouds, that are not
detected in CHIMPS. The line-widths for the COHRS clouds will
thus be naturally wider than those found through both SCIMES and
FW (Section 6.4). Probing lower-density emission, COHRS detects
larger structures than CHIMPS. To a lesser degree, the inconsistent
results in the SCIMES segmentations of 12CO and 13CO emission
can also be traced back to the different SCIMES parameterisations
chosen for the segmentations in Colombo et al. (2015a). Since the
optimum parameter values are determined, to a large extent, by the
characteristics of the data, these two effects are closely related.

A closer look at the distribution of the assigned SCIMES helio-
centric distances (Fig. 3) and the independently generated Galacto-
centric distances reveals that both distributions display the same fea-
tures as the FW assignments. The difference in distance assignment
has supposedly little influence on the distance-dependent physical
properties. Size-linewidth, size-density (Fig. 14) and size-virial pa-
rameter plots for the CHIMPS clouds, also reveal similar relations.
An identical situation is reported by (Lada & Dame 2020) in their
studies of mass-size relations (Larson 1981) and the GMC surface
densities in Galactic clouds. Lada & Dame (2020) compared data
from the SCIMES (Rice et al. 2020) and FW (Miville-Deschênes
et al. 2017) extractions of 12CO in the low-resolution CfA-Chile
survey (Dame et al. 2001). The mass-size relation they found did
not appear to be particularly sensitive to differences in the two
methodologies used for the emission segmentation.

Although the two segmentationmethods produce similar statis-
tical results when applied to the full survey with the chosen param-
eterisation, on the scale of individual clouds the situation may dif-
fer. The SCIMES extraction (subsamples with SNR > 10) includes
larger sources than FW both in crowded and sparse environments.
Notice that the full SCIMES catalogue also includes a significant
number of smaller sources, most likely found in sparse fields, these
clouds have no FW counterparts, see sub-section 6.1. This feature
underscores the difference in the paradigms that characterise the
two methods and the difficulty of establishing a one-to-one corre-
spondence across catalogues produced by different algorithms. In
crowded fields such as large star-formation complexes like W43
(𝑙 = 30.◦8, 𝑏 = 0.◦0), FW tends to split clouds into smaller clumps.
Visual inspection reveals that the FW clumps have touching sharp
borders (see Fig. 6) whereas SCIMES identifies a single structure
(this is also evident in the cross-sections of the clouds in the velocity
plane shown in Fig. 6). The introduction of artificial boundaries be-
tween emission peaks is a consequence of the watershed algorithm
which characterises disjoint clouds by single individual peaks. This
method cuts the valleys between peaks into separate assignments,
thus splitting the envelopes of more rarefied structures enclosing
denser clumps. This defining characteristic makes FW and similar
methods better suited to extract sources in less crowded fields or to
identify compact cores in crowded fields through a careful selection
of the configuration parameters. With the chosen parameterisation,
SCIMES, on the other hand, registers such structures as part of a
single entity, thus proving to be more sensitive to tenuous emission
in complex gas distributions and crowded fields. This suggests that
on individual clouds the application of FW and SCIMES with suit-
able parameterisations may serve different purposes: the extraction
of dense clumps and cores for the former and the identification of
full outer envelopes and cloud contour for the latter. The efficiency
of a segmentation algorithm is thus strictly linked to the task for
which it is used. The dendrogram approach adopted in SCIMES
offers the additional advantage of recording information on both the
full hierarchy of emission (trunk) and the individual peaks (leaves)
which can be combined with the analysis of clusters at a specified
spatial scale.

A number of cases of disconnected FW sources are present
in all CHIMPS regions. Fig. 7 shows some examples of these frag-
mented sources that are left in the FW catalogue even after the
removal of the noise artefacts (Rigby et al. 2019). This feature is
not present in the SCIMES extraction and it is thought to arise from
the implementation of the FW method. Establishing an accurate re-
lationship between the results of the FW and SCIMES on the scale
of individual clouds would however require the accurate analysis of
substructures in individual clouds in different environments. This
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would allow for the identification of FW clouds within the SCIMES
dendrograms, matching them with branches and sub-branches.

By the definition of emission dendrogram, the extraction pro-
duced by SCIMES is more sensitive to the overall gas distribution
in the region in which the segmentation is performed. For 12CO
COHRS, SCIMES produces structures that are ∼100 times larger
in (𝑙, 𝑏, 𝑣) volume. This is unsurprising, because of the high opti-
cal depth, self-absorption and lower critical density associated with
12CO.

The mass spectrum in Fig. 10 shows that SCIMES and FW
13CO power-law fit gradients are similar, however, the COHRS
spectrum is flatter than either. SCIMES and FW mass distributions
are similar for 13CO. COHRS 12CO clouds, on the other hand, are
two orders of magnitude more massive. The mass-radius relation is
similar for the three samples considered. The linear sizes of the FW
and SCIMES sources are similar, but clouds in the distance-limited
SCIMES sample have an overall larger size. COHRS clouds are∼10
times larger than the 13CO sources.

When mean excitation temperatures are considered, the
SCIMES sources present lower temperatures than those found in
the FW extraction. Turbulent pressure reduces in SCIMES. A sim-
ilar behaviour is observed for thermal pressure, but its distribution
presents a tail to lower pressures in SCIMES clouds. COHRS clouds
have ∼10 times lower pressures.

The distribution of volume densities is similar for all extrac-
tions and species, but the COHRS distribution presents a lower tail.
SCIMES clouds have smaller virial parameters than the FW ones.
The value of 𝛼vir in COHRS values are ∼10 times higher. SCIMES
and FW sources also display similar Mach numbers with COHRS
being slightly lower.

Our comparison thus suggests that there are some systematic
differences in the physical parameters of clouds that result from the
extractionmethod. The very large differences between the 12CO and
the 13CO samples are due to high optical depth and lower critical
density in the former.
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APPENDIX A: SEGMENTATION OF CROWDED AND
SPARSE FIELDS

Fig. A1 shows an example of FW and SCIMES segmentations of
CHIMPS regionswith different characteristics: one crowded (region
3) and one sparse field (region 9, see Fig. 1). In both situations, the
average size of the sources identified by SCIMES is larger than
those extracted by FW.

APPENDIX B: EXAMPLES OF SCIMES SOURCES WITH
NO FW COUNTERPARTS.

Fig. B1 shows three examples of SCIMES sources that do not have a
FW counterpart. As discussed in sub-section 6.1, these sources are
more likely to be found in sparse fields and are smaller in volume
(number of voxels) than the average SCIMES source. The current
SCIMES extraction includes 540 such sources that contribute lower-
than-average dispersion velocities to the overall distribution in the
sample of SCIMES clouds, reducing the mean value.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure A1. Projected cloud assignments in the SCIMES and FW segmentations of region 3 (top panels) and region 9 (bottom panels) in CHIMPS. The clouds
are colour-coded according to their assignment numbers in FW and SCIMES. In the case of overlapping clouds, the line-of-sight projection places the cloud
with the highest assignment number on top. These projected maps provide an example of the performance of the SCIMES and FW algorithms in crowded and
sparse fields (see Fig. 1).
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Figure B1. Left column: projections along the spectral axis of 3 SCIMES sources that do not contained any emission peak found in the FW segmentation.
Right column: the corresponding areas in the FW extraction. The projected sourcces are indicated by solid colors.
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ABSTRACT
We study a Jupiter-mass planet formation for the first time in radiative magneto-hydrodynamics (MHD) simulations and compare
it with pure hydrodynamical simulations, aswell as to different isothermal configurations.We found that themeridional circulation
is the same in every setup. The planetary spiral wakes drive a vertical stirring inside the protoplanetary disc and the encounter
with these shock fronts also helps in delivering gas vertically onto the Hill-sphere. The accretion dynamics are unchanged:
the planet accretes vertically, and there is outflow in the midplane regions inside the Hill-sphere. We determined the effective
𝛼-viscosity generated in the disc by the various angular momentum loss mechanisms, which showed that magnetic fields produce
high turbulence in the ideal MHD limit, that grows from 𝛼 ∼ 10−2.5 up to ∼ 10−1.5 after the planet spirals develop. In the HD
simulations, the planetary spirals contribute to 𝛼 ∼ 10−3, making this a very important angular momentum transport mechanism.
Due to the various 𝛼 values in the different setups, the gap opening is different in each case. In the radiative MHD setups,
the high turbulent viscosity prevents gap opening, leading to a higher Hill mass, and no clear dust trapping regions. While the
Hill accretion rate is 10−6MJup/yr in all setups, the accretion variability is orders of magnitude higher in radiative runs than
in isothermal ones. Finally, with higher-resolution runs, the magneto-rotational instability started to be resolved, changing the
effective viscosity and increasing the heating in the disc.

Key words: protoplanetary discs – planets and satellites: formation – magnetohydrodynamics – radiative transfer

1 INTRODUCTION

Over the last decades, a lot of work has been done on the structure
and evolution of protoplanetary discs (PPDs), and their interaction
with a forming planet, both analytically and numerically (Goldreich
& Tremaine 1980; Lin & Papaloizou 1986; Kley & Nelson 2012).
In particular, it is now well known that the disc exerts a torque
on a forming planet, causing, first of all, an exchange of angular
momentum that reflects into a change of the planetary semi-major
axis, i.e. amigration, usually referred to as Type I (Ward 1997; Tanaka
et al. 2002; Paardekooper&Mellema 2006; Jiménez&Masset 2017).
If the mass of the planet is large enough, one or multiple annular gaps
can open around the orbit of the planet, i.e. circular regions where
the density drops compared to the surrounding disc. As soon as the
gap is opened, the angular momentum exchange stops, and migration
is now dominated by the dynamics of the disc itself, i.e. the planet
enters a regime of Type II migration (Syer & Clarke 1995; Nelson
et al. 2000; Armitage & Rice 2005).
In more detail, a gap is opened because the structure of the proto-

planetary disc adjusts to the angular momentum exchange, with the
result that gas is pushed away from the planetary orbit by the torques.
At the same time, viscous forces tend to fill the gap back in, hence
the gap opening process is controlled by the counteractive effects

★ E-mail: marco.cilibrasi@uzh.ch

of these torques, together with co-orbital torques due to the non-
axisymmetric structure of the wakes around the planet (Goldreich &
Tremaine 1980; Lin & Papaloizou 1980; Papaloizou & Lin 1984). In
recent years, many other torque components have been found, for ex-
ample, the so-called heating torque that would prevent or slow down
inward migration of a planet (Benítez-Llambay et al. 2015) due to
the increased temperature caused by accretion heating in the proto-
planet immediate vicinity. Complex thermodynamics could lead also
to more peculiar phenomena, such as the formation of a cold finger of
gas that again counteracts migration (Lega et al. 2014; Masset 2017).
The migration process depends then on planetary properties, such as
the mass, but also on the disc’s properties, such as the temperature
and the viscosity, with the result that gaps are more likely opened
in low-viscosity and low-temperature discs, or in the case of larger
planets (Crida et al. 2006; Armitage 2010).

Even when a planetary gap is fully opened, the gas dynamics
around the planet itself would not completely decouple from the pro-
toplanetary disc. In fact, some gas would flow through the gap and
reach the circumplanetary region, as well as the inner circumstellar
disc. As the flow enters the gap region, the gas parcels encountering
the planetary spiral wake (which is a shock-front) will lose angular
momentum when passing through the shock and hence will spiral
down to the circumplanetary region. Whether a circumplanetary en-
velope or a circumplanetary disc (CPD) forms (Kley 1999; Lubow
et al. 1999; Szulágyi et al. 2014, 2016), depends on the planetary

© 2022 The Authors
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mass as well as the temperature and opacity in the planet’s immedi-
ate vicinity. The higher the planetary mass and the cooler is the Hill-
sphere, the more likely there is a disc around the planet, instead of an
envelope (Szulágyi et al. 2016). Even if circumplanetary discs may
seem just descaled versions of protoplanetary discs, there are several
differences between them. So far their characteristics have been in-
vestigated mainly with semi-analytical models (Canup&Ward 2002;
Alibert et al. 2005; Canup & Ward 2006; Ward & Canup 2010) and
hydrodynamical simulations (Ayliffe & Bate 2009a,b; Gressel et al.
2013; Shabram & Boley 2013; Zhu et al. 2014; Szulágyi et al. 2014,
2016, 2017, 2019). In particular, the most important difference is that
evolved PPDs are independent structures that, at least in their late
stages, can be assumed to be isolated from their original star-forming
cloud, while CPDs are continuously fed by a flow of material (gas
and dust) from the PPDs, coming from high latitudes and accreting
vertically (Tanigawa et al. 2012; Szulágyi et al. 2014). This is part
of the meridional circulation, driven by the planet’s spiral wakes,
that is not only bringing in material to the planet’s vicinity but also
mixing up the gas and dust in the circumstellar disc (Szulágyi et al.
2014; Teague et al. 2019; Szulágyi et al. 2019; Szulágyi & Garufi
2021). The vertical gas flows towards the CPD and the planet, but
the majority of the gas, which could not be accreted right away by
the planet, will spiral outward from the CPD (Szulágyi et al. 2014).
Differences have been found between isothermal and radiative

simulations (i.e. including heating and cooling effects). The heating
in the forming planet vicinity will influence the accretion rates and
the torques (Ayliffe & Bate 2009a; Szulágyi et al. 2016; Cimerman
et al. 2017; Szulágyi & Garufi 2021), and the vertical temperature
profile has been found to determine the circulation pattern of the
gas (Philippov & Rafikov 2017). Even opacity is of great importance
when dealing with accretion rates, with lower opacities being respon-
sible of higher accretion rates (Papaloizou & Nelson 2005; Ayliffe &
Bate 2009b). Furthermore, protoplanetary discs have been found to
present a wide range of viscosity, quantified through the 𝛼 parameter
defined by Shakura & Sunyaev (1973), namely between 10−4 and
0.1 (Rafikov 2017). Finally, another important dependence of the
accretion rate is on the mass of the protoplanetary disc. In fact, plan-
etary accretion rates are found to depend linearly or nearly linearly
on the PPD mass (Ayliffe & Bate 2009a). The meridional circulation
involves also dust and solid particles. In fact, a gap is opened also in
the dust profile in the case of small and coupled particles (Dipierro
& Laibe 2017; Binkert et al. 2021), that can also be trapped more
easily around the planet (Szulágyi et al. 2022).
Magneto-HydroDynamics (MHD) solvers have been widely used

to study the structure and the dynamics of protoplanetary discs (Lyra
et al. 2008; Lesur et al. 2022). For example, a series of papers (Pa-
paloizou & Nelson 2003; Nelson & Papaloizou 2003) highlighted
that MHD turbulence sources, in particular, magnetorotational in-
stability (MRI) (Balbus & Hawley 1998), would cause a Keplerian
disc to present an averaged stress parameter 𝛼 ∼ 5 × 10−3 and a
magnetic 𝛽 parameter (i.e. the ratio between thermal and magnetic
pressure) around 100. On the other hand, in an isothermal scenario,
a planet would always open a clear gap, with no evident net mass
flux towards the planet. In fact, the gap has been found to be deeper
and wider in the magnetic case, as if the disc possessed a smaller
effective viscosity, because of the efficient magnetic field transport
through the gap. This was confirmed by Zhu et al. (2013), that per-
formed HD and MHD simulations in an isothermal case and with a
low-mas planet forming in the disc. Furthermore, Uribe et al. (2011)
found that in magnetized discs dominated by theMagneto-Rotational
Instability (MRI), in the case of low-mass planets, the migration is
dominated by randomfluctuations of the torque, while for Jupiter-like

planets, migration rates are similar to the ones in viscous discs. For
intermediate-mass planets though, an unexpected outward migration
often takes place. Other global MHD simulations of protoplanetary
discs were performed by Flock et al. (2013, 2017), which found that
the magnetorotational turbulence would cause the 𝛼 value to be very
high in the inner disc, up to 0.1, that then decreases down to 10−3
away from the star, where the disc has the dead zone.
MHDwas first implemented in the study of CircumplanetaryDiscs

by Gressel et al. (2013), which includes Ohmic resistivity in their
model, resulting in turbulent surface layers in the CPD, with a dead
zone developing in the mid-plane. Fujii et al. (2014) also underlined
that MRI should not play a major role in CPDs, given their low
ionization rateMore recently, Aoyama&Bai (2023) performedMHD
simulations of giant planets embedded in the outer protoplanetary
disc, where the Type II migration regime is fully reached. On one
hand, they implemented a simple local isothermal model, on the
other hand, they solved for non-ideal MHD effects, such as Ohmic
resistivity and the dominant ambipolar diffusion. By resolving MRI
and magnetic winds, they found that the gap is much deeper in the
MHD case, while the meridional flow is weakened.
In this workwe present for the first time 3D radiativeMHD simula-

tions of planet formation, focusing on the meridional circulation, the
Hill-sphere accretion rates, the planetary gap opening, and the effec-
tive viscosities for the various angular momentum loss mechanisms.
The radiative transfer equations were solved via the flux-limited dif-
fusion approximation following the implementation of Kley (1989);
Commerçon et al. (2011); Flock et al. (2013); Szulágyi et al. (2016);
Flock et al. (2017) in the PLUTO code (Mignone et al. 2007). A
global PPD has been simulated in with different resolutions, and var-
ious initial magnetic field strengths. We will compare the MHD and
the HD dynamics, accretion rates, and the sources of viscosity. In all
simulations, the planetary mass was one Jupiter mass.

2 METHODS AND SETUP

In this section, we present the numerical methods and the setup that
have been used to perform radiative MHD simulations of protoplan-
etary discs with the code PLUTO (Mignone et al. 2007, 2012a,b;
Mignone 2014; Kolb et al. 2013).

2.1 Physical Model

In this work, we solve the ideal MHD equations including radiative
transfer in a spherical coordinate system (𝑟, \, 𝜙), i.e.



𝜕𝜌

𝜕𝑡
+ ∇ · (𝜌v) = 0

𝜕
𝜕𝑡

(𝜌v) + ∇ · (𝜌vv − BB + 𝑃𝑡 I) = −𝜌∇Φ

𝜕𝐸𝑡

𝜕𝑡
+ ∇ · [(𝐸𝑡 + 𝑃𝑡 )v − (v × B) × B] =

−𝜌v × ∇Φ − ^𝑃𝜌𝑐(𝑎𝑅𝑇4 − 𝐸𝑅)

𝜕𝐸𝑅

𝜕𝑡
− ∇ 𝑐_

𝑘𝑅𝜌
∇𝐸𝑅 = ^𝑃𝜌𝑐(𝑎𝑅𝑇4 − 𝐸𝑅)

𝜕B
𝜕𝑡

= ∇ × (v × B)

(1)

Here 𝜌 is the gas density, v the gas velocity, and B the magnetic
field. Furthermore, 𝑃𝑡 is the total pressure, including both thermal
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and magnetic pressure, giving 𝑃𝑡 = 𝑃 + 𝐵2

2 , and 𝑃 is given by an
ideal equation of state

𝑃 = (𝛾 − 1)𝜌𝑢 (2)

where 𝑢 is the internal energy, that is given by 𝑢 =
𝑘𝐵𝑇

(𝛾−1)`𝑚𝑝
, with

𝑘𝐵 being the Boltzmann constant, ` the mean molecular weight of
the gas, 𝑚𝑝 the proton mass, and 𝑇 the temperature of the gas. The
adiabatic index 𝛾 is taken to be 1.42 and the mean molecular weight
` is taken to be ` = 2.353 because the gas is considered a mix
of hydrogen and helium in agreement with solar abundance (Flock
et al. 2013; Szulágyi et al. 2016; Flock et al. 2017). Φ(r) is the
gravitational potential due to the central star and the orbiting planet,
i.e.Φ = −𝐺𝑀★

𝑟 − 𝐺𝑀𝑝√
|r−rp |2+𝜖 2

, where rp is the position of the planet

and 𝜖 is the gravitational softening length. 𝐸𝑡 = 𝜌𝑢+ 𝜌 𝑣2

2 + 𝐵2

2 is the
total energy of the gas, including thermal, kinematic, and magnetic
energy, but not including radiation energy, which is called 𝐸𝑅 .
The equations for radiative transfer are written following the for-

malism by Mihalas & Mihalas (1984) and make use of the Planck
opacity ^𝑃 and the Rosseland opacity ^𝑅 (Kley 1989; Commerçon
et al. 2011). 𝐸𝑅 is the radiation energy, 𝑎𝑅 =

4𝜎𝑏

𝑐 the radiation
constant, and _ is a flux limiter chosen so that the radiation diffusion
approaches the black body radiation in the optically thin scenario,
while _ → 1/3 in optically thick parts (Levermore & Pomraning
1981). In particular, in our setups

_ =
2 + 𝑅

6 + 3𝑅 + 𝑅2
(3)

with 𝑅 =
|∇𝐸𝑅 |
𝜌^𝑅𝐸𝑅

. This way, 𝑅 gets very small in the optically thick
scenario, giving _ = 1/3, while 𝑅 gets very large when the opacity is
low, meaning that _ ∼ 1

𝑅
∼ 𝜌^𝑅𝐸𝑅

|∇𝐸𝑅 | , and the diffusion term becomes

∇ 𝑐_

𝑘𝑅𝜌
∇𝐸𝑅 → ∇(𝑐𝐸𝑅) (4)

that approaches the black-body radiation, as in thermal equilibrium
𝐸𝑅 =

𝐵 (𝑇 )
𝑐 =

4𝜎𝑏𝑇
4

𝑐 . (Kley 1989; Commerçon et al. 2011; Flock
et al. 2016; Szulágyi et al. 2016).
In our case, non-ideal MHD effects have not been considered as,

for example, no resistivity has been included. Nevertheless, these
effects may be important when considering low-ionized gas like the
one of protoplanetary discs, then we briefly discuss possible imple-
mentations and consequences of non-ideal mechanisms in Section
4.

2.2 Numerical methods

For all runs, the equationswere solved via the PLUTOcode (Mignone
et al. 2007) with the HLLD Riemann solver (Miyoshi & Kusano
2005), parabolic reconstruction (Mignone 2014) and second order
Runge-Kutta time integrator. In the MHD framework, we used the
Constrained Transport module to ensure ∇ ·B = 0 (Balsara & Spicer
1999; Mignone et al. 2007). The radiative transfer equations were
not solved in the same Godunov formalism, but an implicit solution
was implemented in the code in order to be able to use reasonable
timestep lengths. In particular, the radiative transfer equations were
solved by a module implemented in the PLUTO and described by
Flock et al. (2013).
The PLUTO code was modified consistently by adding a module

able to solve the implicit radiative transfer equations (Flock et al.

2013, 2016, 2017). A new variable was implemented, i.e. the radi-
ation energy 𝐸𝑅 , that at the initial state follows 𝐸𝑅 =

4𝜎𝑏𝑇
4

𝑐 . For
simplicity, the Planck and the Rosseland mean opacities have been
considered equal, with their values calculated as a function of pres-
sure and temperature according to the opacity table by Zhu et al.
(2009), with a floor value of 10 𝑐𝑚2𝑔−1. The radiative transfer solver
of PLUTO has been validated by comparing its results to the results
of the code JUPITER (Szulágyi et al. 2016), which includes a radia-
tive transfer solver as well. More details and plots are provided in
Appendix B. In order to keep the runs stable, a floor density equal to
7 × 10−9𝑀�/𝐴𝑈3 (10−6 in code units) was implemented.
The computational grid domain always stretches logarithmically

from 2.08 AU to 13 AU in the radial direction, then linearly from 0
to 2𝜋 in azimuth and linearly from ∼ 0.436𝜋 to 𝜋/2 in co-latitude,
so that only the upper half of the disc is simulated and the lower
part is just considered to be symmetric and mirrored in the analysis.
This gives a grid opening angle of ∼ 0.2 radians. This range turned
out to be large enough in capturing the meridional circulation flow.
In fact, in all the runs presented in Section 3, the gas density at
upper latitudes is comparable to the floor density, i.e. 3 or 4 orders
of magnitude lower than the gas density in the mid-plane.
In the low-resolution runs, we had 210x22x720 (𝑟, \, 𝜙) cells

(44 effective cells in the co-latitude direction when mirrored), while
high-resolution runs had 420x44x1440 cells. The Courant number
has been chosen to be 0.25. Units have been chosen to have 𝐺 = 1,
then 𝑀� has been used for mass, 5.2𝐴𝑈, i.e. Jupiter’s semi-major
axis, for length, and consequently, 𝑃𝐽

2𝜋 for time, where 𝑃𝐽 is the
orbital period of Jupiter.

2.3 Boundary conditions

In the azimuthal direction, the boundary condition is simply periodic.
The boundary condition in the co-latitude direction is symmetric at
mid-plane, meaning that scalar quantities (𝜌, 𝑃, 𝐸), parallel veloci-
ties, and perpendicular magnetic fields simply reflect with the same
sign in the ghost cells, while perpendicular velocities and parallel
magnetic fields reflect but switching sign. At the inner co-latitude
boundary, that in these coordinates corresponds to the higher lati-
tudes, the values in the ghost cells are equal to the value in the first
active cell, with the caveat that the velocity in the \-direction is set
to 0 if positive, i.e. if gas is being injected in the grid domain. The
radiation energy is chosen so that the radiation temperature, which
is defined as 𝑇4

𝑅
=

𝑐𝐸𝑅

4𝜎𝑏
, is set to a value of 10𝐾 in the ghost cells

to allow cooling of the upper disc layers. The radial and azimuthal
components of magnetic fields in ghost cells are set equal to the first
active cell, while the \-component is calculated to keep ∇ · B = 0.
Radially, similar prescriptions are applied.All ghost-cell quantities

have the same value as the domain cells except the radial velocity,
which is set to 0 whenever the gas radial velocity points towards
the domain, in order to prevent inflow, and the radial magnetic field,
which is automatically calculated to keep it divergence-free. This
time though, the radiation temperature is set to 10𝐾 only if the gas
temperature is lower than that value, otherwise, in ghost cells, we set
𝑇𝑅 = 𝑇 .

2.4 Disc model

First of all, the central star is taken to be a Sun-like star, with 𝑀★ =

𝑀� , 𝑅★ = 𝑅� , and 𝑇★ = 𝑇� on the surface. The surface density
profile of the disc has the formΣ = Σ0 (𝑅/𝑅0)−1/2, withΣ0 calculated
so that the total mass of the disc at the beginning is 𝑀 = 0.01𝑀� .
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The vertical density profile follows

𝜌(𝑧, 𝑅) = 𝜌0 (𝑅) exp
(
− 𝑧2

2𝐻2

)
(5)

with 𝐻 = ℎ𝑅 and the aspect ratio ℎ = 0.05 being constant. Here
𝑅 = 𝑟 sin(\) and 𝑧 = 𝑟 cos(\) are the correspondent cylindrical
coordinates, with 𝑅0 being any reference radius, for example, the
semi-major axis of the forming planet.
We initialize our setups with a vertical constant temperature, while

the radial profile is calculated to ensure a constant aspect ratio ℎ
throughout the disc. This brings to a profile 𝑇 ∝ 𝑅−1. The initial
velocities are set so that the radial and the co-latitude components
are set to 0, while the azimuthal component is set to be equal to the

Keplerian velocity 𝑣𝜙 =

√︃
𝐺𝑀�
𝑅
.

The initial magnetic field is assigned to be poloidal, i.e. 𝐵𝑟 =

𝐵𝜙 = 0, while 𝐵\ = −𝐵0
(
𝑅0
𝑅

)
, where 𝐵0 is calculated so that a

given value for the magnetic-𝛽, i.e. 𝛽 = 𝑃
𝑃mag

= 2𝑃
𝐵2
, is obtained at

planet location. The components of the magnetic fieldB are assigned
via amagnetic potentialA, defined so thatB = ∇×A, that ensures that
∇ · B = 0. In particular, in this case, 𝐴𝑟 = 𝐴\ = 0, and 𝐴𝜙 =

𝐵0
sin(\) .

This configuration ensures also that the disc does not have magnetic
forces at the beginning of the simulation, since ∇ × B = 0.
This setup was run for 50 orbits with no magnetic fields so that a

new thermal equilibrium is reached under the heating and cooling ef-
fects. Then, every simulation with or without magnetic fields was run
starting from this relaxed initial condition, which we identify as time
0, meaning that the first relaxation with no magnetic fields happens
between 𝑡 = −50 orbits and 𝑡 = 0. In all setups, the simulation ran
then for 200 Jupiter-orbits without the planet reaching a steady state
with MHD (or HD) + radiative effects. Then, a Jupiter-like planet is
gradually grown at 5.2 AU over 150 orbits, and it was assumed to be
in a circular orbit. The planet was a point-mass with the gravitational
potential according to Equation 1, with a softening length equal to
the cell size at the planet location, meaning 0.04𝐴𝑈 in low-resolution
and 0.02𝐴𝑈 in high resolution. The mass of the planet is grown via
a continuous function as

𝑀𝑝 (𝑡) = 𝑀𝐽 ·


0 −50 < 𝑡 < 200

sin
(
𝜋
2
𝑡−200
150

)2
200 ≤ 𝑡 < 350

1 𝑡 ≥ 350

(6)

where the time 𝑡 is in units of Jupiter-orbits here. Since the planet
is implemented as a point mass kept artificially in a circular orbit,
it does not migrate nor change its eccentricity or inclination. The
simulation was then run for another 250 orbits to let the disc relax
and reach a new equilibrium with the planet.

3 RESULTS

Both low- and high-resolution simulations were carried out. A low
resolution was used because it allowed exploring quickly many dif-
ferent configurations, while only a few selected setups were run in
a high-resolution scheme to resolve potential MRI effects that are
resolution-dependent. On average, a low-resolution MHD simula-
tion took about 300’000 core-hours (about 2’500 node-hours on our
machines), while high-resolution runs took as much as 4’000’000
core-hours (30’000 node-hours). In our case, the latter ones trans-
lated to about 20-day runs, meaning that even improving the resolu-
tion by a factor of 2 in each dimension, we would have had setups
that need several months to be completed. This is why we chose

Figure 1.Globally integrated 𝛽 (see Equation 7) in four different simulations
with various initialmagnetic field strengths (𝛽 parameter): 105, 106, 107, 108.
Despite the initial value, all simulations’ 𝛽 parameters evolve to the same
value, but on different timescales. The grey dotted lines represent themoments
when the planet is injected into the simulation and when the planet completes
its growth and the mass-point becomes 1 Jupiter-mass.

(420x44x1440) to be our highest resolution. In order to start our
simulations from the same relaxed setup, a disc with no magnetic
fields and no planet was run for 50 Jupiter orbits, in order to allow
the structure to relax and settle. All the runs that are going to be
mentioned in this section were started from the result of this relax-
ation run, with the proper addition of the initial magnetic fields in
the MHD cases.

3.1 Initial Conditions and Equilibrium

Before analyzing the meridional circulation and gap formation, we
first examined the effect of the initial conditions on the final disc
structure. In order to do that, we run a set of 4 different low-resolution
MHD simulations, each of them starting with a different initial value
of the parameter 𝛽, i.e. 𝛽 = 105, 106, 107, 108 at planet location.
This has been done by choosing the initial value of 𝐵0, described in
Section 2, accordingly. These runs showed that the initial magnetic
field magnitude is not relevant in terms of the final outcome of the
system. In fact, even though the total magnetic energy of the disc had
different initial values in the four cases, it rapidly grew to the same
magnetic field strength value over the first 100 orbits, as shown in
Figure 1. After that, this value remained roughly constant at a global
𝛽 ∼ 10 for the entire simulation, even after the planet is injected
and fully grown. The only difference we see is the timescale of the
magnetic energy growth, which is longer in the cases with a larger
initial 𝛽. The fast growth of magnetic fields and magnetic energy
is due to the upwind term in the induction equation for 𝜕B

𝜕𝑡
(see

Equation 1). In fact, the fast orbital velocities quickly generate a
strong toroidal field starting from the vertical-field configuration. In
this and the following examples, a global 𝛽 parameter of the disc was
defined and calculated as

𝛽 =
2
∫
𝑃𝑑𝑉∫
𝐵2𝑑𝑉

(7)

MNRAS 000, 1–18 (2022)



MHD Meridional Circulation 5

Figure 2. Density and temperature profiles taken at the planet’s position
(\ = 𝜋/2, 𝜙 = 0) of five different simulations (one HD and four MHD
with 𝛽 = 105, 106, 107, 108) after 200 orbits, before the planet is introduced.
Higher 𝛽’s correspond to a smoother evolution and smaller perturbations,
especially around the planet formation location at 5.2𝐴𝑈 . The grey dotted
line represents the planet’s location.

where the integrals were done over the whole disc volume 𝑉 . This
global parameter is the ratio of the total thermal and magnetic energy
in the disc, similarly to the local 𝛽, which is the ratio of the local
thermal and magnetic pressure. It also happens to be approximately
equal to the local 𝛽 at the planet’s location at the beginning of the
simulation, while the two differ at the end of the runs when most of
the magnetic energy is found at higher latitudes (see plots in Section
3.4).
We found that the longer growing timescale for the magnetic field

strength keeps the disc structure stable and prevents large perturba-
tions in the density and temperature profiles, which could affect the
results. In fact, the case with the initial 𝛽 = 105 proved to be par-
ticularly subject to perturbations across the whole disc, that modify
the dynamics at the planet location. On the other hand, higher initial
𝛽’s showed to produce much smoother results and to preserve the
structure of the disc around the planet much better (Figure 2). The
lowest initial 𝛽 that produced unquestionably stable and smooth re-
sults is 𝛽 = 107 and that is why this value has been chosen as the
initial condition for most of the MHD runs. Nevertheless, the case
with initial 𝛽 = 105 will be mostly analyzed in Appendix A.
Every simulation was run for 200 orbits without the planet, then

the planet itself took 150 orbits to grow via a mass-taper function,
and another 350 orbits are carried out to let the disc stabilize and
reach the steady state. Even though in cases with low viscosity many
thousands of orbits are needed in order to reach perfect equilibrium
(Hammer et al. 2018), in our case, a few hundred orbits turn out to
be enough to reach a sufficiently steady state. In order to check that,
we verified that the density and temperature profile did not change
significantly over time at the end of the simulation. In particular,
Figure 3 shows the average density and temperature profiles of the
disc between 560 and 600 orbits and their standard deviation. It is
clear that, except for some smaller fluctuations through the disc due
to MHD effects, both the density and temperature profiles around the
planet are very stable. This suggests that the disc structure after 600

Figure 3. Density and temperature profiles taken at the planet’s position
(\ = 𝜋/2, 𝜙 = 0) in the MHD case with initial 𝛽 = 107. The solid lines
represent the average profiles from 560 to 600 orbits, while the colored areas
represent the standard deviation of the profiles. The grey dotted line represents
the planet’s location.

orbits can be taken as a final configuration, and we do not expect it to
change significantly even though the same runs were run for longer.

3.2 Meridional Circulation

When a Jupiter-like planet forms in a protoplanetary disc, it is ex-
pected to open up a gap, while its spiral wakes cause a meridional
circulation of material to launch. While the spiral wakes themselves
bring material up and down in the entire circumstellar disc, the
downward flow is the strongest above the planet causing the vertical
accretion stream (Szulágyi et al. 2014; Szulágyi & Garufi 2021).
Figure 4 shows two sections of the protoplanetary disc, one (right
side) correspondent to the planet’s location, the other (left side) on
the opposite side in the protoplanetary disc after 600 orbits. The
color scale corresponds to the vertical velocity component, showing
the strong upward and downward flows in the entire circumstellar
disc driven by the spiral wakes of the planet, but with the highest
magnitude just above the planet. In addition, the gas streamlines are
overplotted as well, showing the vertical circular motions, i.e. the
meridional circulation.
Figure 5 shows the same as Fig. 4 , but in the MHD case with an

initial 𝛽 = 107. In this case, too, the meridional circulation pattern
and the velocity magnitude around the planet appear to be very
similar to the HD case, but in other areas of the circumstellar disc
further away from the planet, the vertical velocities and circulation
are much stronger than in the HD simulation. In this case, naturally,
the entire circumstellar disc is more turbulent.
We followed the accretion flow down to the planet, with the help

of 3D velocity streamlines representing the true gas motion (Figure
6). The left panel is the HD simulation, while the right one is the
MHD simulation with initial 𝛽 = 107. The color map represents
the volume density at the mid-plane, where the planet is located
on the right of the plot, while the streamline’s colors represent the
velocity magnitude in the rotating frame normalized to the Keplerian
velocity. The 3D streamlines are above the mid-plane, and show
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Figure 4. Two vertical sections of the protoplanetary disc after 300 orbits, with no magnetic fields, when the planet has already fully formed and the disc has
already fully relaxed. The sections are taken at 𝜙 = 0 and 𝜙 = 𝜋 with respect to the position of the planet, meaning that one section corresponds to the planet’s
location, and the other is the opposite. The arrows represent the direction of gas velocity, while the color scale represents the value of the vertical velocity
component, whether it is positive or negative. Only the upper hemisphere is shown.

Figure 5. Two vertical sections of the protoplanetary disc after 300 orbits in an MHD simulation (𝛽 = 107), when the planet has already fully formed and the
disc has already fully relaxed. The sections are taken at 𝜙 = 0 and 𝜙 = 𝜋 with respect to the position of the planet, meaning that one section corresponds to
the planet’s location, and the other is the opposite. The arrows represent the direction of gas velocity, while the color scale represents the value of the vertical
velocity component, whether it is positive or negative. Only the upper hemisphere is shown.

how the flow is going toward the planet from the vertical direction.
As the streamlines in the planetary gap encounter the spiral wake
of the planet (which is a shock-front), the gas slows down losing
angular momentum, Therefore those streamlines spiral down to the
circumplanetary disc, some directly hitting the planet’s polar regions
and thus being accreted by the planet. Most of the gas entering the
Hill-sphere will not be accreted by the planet, the streamlines in
the mid-plane region of the CPD spiral outward and bring away gas
from the planet region back to the circumstellar disc. Such recycling
effect is observed regularly in disc-planet simulations, recently again
described by Moldenhauer et al. (2021).

All in all, the accretion flow does not change whether magnetic
effects are included or not, highlighting that the flow dynamics are
really driven by the planetary spiral arms. Between the two panels
in Figure 6, the density values are the main difference and that is
the reason why the accretion rate and Hill sphere’s masses are so
different, as described in Section 3.6.

We also examined the azimuthal velocity in the mid-plane, nor-
malized by the local Keplerian velocity, to compare the HD and
MHD cases, see Figure 7. In the HD case, Figure 7 (left panel) shows
clearly the super and sub-Keplerian regions due to the pressure rise

and fall at the outer and inner gap edges. These mostly axisymmetric
structures are strongly disturbed in theMHD case (see the right panel
in Figure 7), which looks much more turbulent and less axisymmet-
ric. Which part of the mid-plane is sub-Keplerian or super-Keplerian
is important in the context of dust trapping, because the Keplerian
areas are particularly subject to dust accumulation (Kato et al. 2010).
From the plots, it is clear that in the absence of magnetic fields, the
disc structure is more regular, with rings of sub- and super-Keplerian
material easily identified. On the other hand, in the MHD case, the
disc structure is again much more turbulent, as expected. Rings are
not easy to define since they do not have clear boundaries nor shapes.
Furthermore, such a fragmented velocity profile would continuously
change with time, while gas is orbiting around the star with different
Keplerian velocities.We can infer then that dust accumulation should
be much more difficult in the ideal MHD case compared to the HD
one and, consequently, formation mechanisms such as the streaming
instability (Youdin & Goodman 2005) are much more difficult to
happen.

MNRAS 000, 1–18 (2022)



MHD Meridional Circulation 7

Figure 6. 3D streamlines of the accretion flow towards the planet in the radiative HD (left) and MHD with initial 𝛽 = 107 (right) cases. The background
colormap represents the volume density in the mid-plane. The color of the streamlines shows the magnitude of the difference between the gas velocity and the
planetary Keplerian velocity in units of the planetary Keplerian velocity itself

.

Figure 7. The plots show the difference between the local Keplerian velocity and the actual azimuthal velocity, normalized to the Keplerian velocity itself. Red
areas represent sub-Keplerian motion, while blue ones represent the super-Keplerian flow. The left panel shows the HD case, while the right panel shows the
MHD case (initial 𝛽 = 107). The Keplerian regions (white) are dust-trapping regions, but because the MHD case is more turbulent, dust-trapping in rings is
more difficult.

3.3 Effective viscosity

The mixing due to the meridional circulation and (mainly) the en-
counter with the spiral shock wake of the planet have an effect also
on the viscous behavior of the gas. On one hand, the circular motions
generate vortexes on the lower scales, which then cause the growth
of turbulence, that can be described by a turbulent, or effective, vis-
cosity in the disc, that can be quantified via an 𝛼 parameter (Shakura
& Sunyaev 1973). Furthermore, as the gas parcels encounter the
spiral shock fronts of the spiral wake of the planet, they lose angu-
lar momentum and drive accretion as well. This can be translated
into an effective viscosity as well, given the angular momentum loss
mechanism.

We estimated the effective viscosity of the circumstellar disc by
calculating the Reynolds stress as shown by Flock et al. (2011, 2013).

The 𝑟 − 𝜙 component of the Reynolds tensor is defined as 𝑇𝑅 =

𝜌𝑣′
𝜙
𝑣′𝑟 , where 𝑣′ = 𝑣− < 𝑣 >, and <> is hereafter the average

over time. The corresponding 𝛼𝑅 parameter, i.e. relative to velocity
turbulence or to the Reynolds stress, is then calculated as

𝛼𝑅 =

∫
𝑇𝑅
𝑐2𝑠
𝑑𝑉∫

𝜌𝑑𝑉
(8)

where the integral is over the whole disc domain. Figure 8 shows
the evolution of 𝛼𝑅 in the HD and MHD cases, with different initial
𝛽’s, for the first 200 orbits, before the planet starts forming, and then
once the planet is completely formed from 400 to 600 orbits. The plot
shows that the kinematic effective viscosity is lowest for the HD case,
i.e. 𝛼𝑅 ' 10−6, while the magnetized cases have a higher viscosity,
between 10−3 and 10−5, as specified in Table 1. This viscosity acts
also as a heating mechanism, balancing radiative cooling.
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Figure 8. Effective 𝛼𝑅 parameter calculated via the Reynolds stress, in the
HDcase compared to the fourMHDcases, with initial 𝛽 = 105, 106, 107, 108,
tracked up to the formation of the planet at 200 orbits, and then once the planet
is completely formed from 400 to 600 orbits.

Table 1. Calculated values of 𝛼𝑅 before (from the beginning to 200 orbits)
and after (from 400 to 600 orbits) the planet is fully formed.

setup log10 (𝛼𝑅) before log10 (𝛼𝑅) after

HD −5.9 ± 0.1 −2.9 ± 0.2
MHD (𝛽 = 105) −3.5 ± 0.2 −2.7 ± 0.1
MHD (𝛽 = 106) −4.5 ± 0.2 −2.2 ± 0.1
MHD (𝛽 = 107) −4.9 ± 0.2 −2.2 ± 0.1
MHD (𝛽 = 108) −5.0 ± 0.0 −2.4 ± 0.1

A similar estimate was already done by Stoll et al. (2017), which
found that the presence of a planet up to 100𝑀⊕ did not affect much
the turbulence in the disc in the case of 3DHD inviscid and vertically
isothermal simulations. In our case, when a Jupiter-like planet is
present in the disc, it clearly dominates turbulent viscosity through the
spiral wakes. This causes the effective 𝛼 to grow up to values between
10−3 in the HD case and 10−2.2 in theMHD cases. This means that in
the HD case, the spiral wakes contribute to three orders of magnitude
higher alpha in the entire disc, meaning that the effects of spirals
are the main angular momentum loss mechanism in the disc. In our
research field, since theMRI is no longer considered themain angular
momentum loss mechanism, there has been an ongoing search for
other processes that can remove angular momentum, for example,
magnetic winds (Gressel et al. 2015; Béthune et al. 2017) and various
instabilities like the vertical shear instability (Stoll & Kley 2014;
Barker & Latter 2015), the zombie wave instability (Marcus et al.
2015, 2016), Rossby-wave instability (Lovelace et al. 1999) and non-
ideal MHD effects (Bai & Stone 2011, 2013). The spiral shock wakes
of planetswere not really considered before, ormainly just in theCPD
(Szulágyi et al. 2014; Zhu & Baruteau 2016; Szulágyi & Mordasini
2017), or without quantification of the effective alpha (Szulágyi &
Garufi 2021). In the MHD simulations (Table 1), the 𝛼𝑅 values jump
to higher final values than in the HD, but in these MHD runs the
initial (first 200 orbits without the planet) 𝛼𝑅 was also much higher
than in the HD case (Fig. 9). One can conclude that even in the MHD
case also the planet spirals contribute to the effective viscosity.

Figure 9.Effective 𝛼-viscosity parameter in theHD case compared to the four
MHD cases, with initial 𝛽 = 105, 106, 107, 108, tracked up to the formation
of the planet at 200 orbits, and then once the planet is completely formed,
from 400 to 600 orbits.

Table 2. Calculated values of 𝛼 = 𝛼𝑅 + 𝛼𝑀 before (from the beginning to
200 orbits) and after (from 400 to 600 orbits) the planet is fully formed.

setup log10 (𝛼) before log10 (𝛼) after

HD −5.9 ± 0.1 −2.9 ± 0.2
MHD (𝛽 = 105) −2.3 ± 0.1 −1.8 ± 0.1
MHD (𝛽 = 106) −2.5 ± 0.1 −1.3 ± 0.1
MHD (𝛽 = 107) −2.6 ± 0.1 −1.3 ± 0.1
MHD (𝛽 = 108) −2.4 ± 0.2 −1.3 ± 0.1

Velocity fluctuations and material circulation are not the only
sources of turbulence in the disc though. In fact, following again
Flock et al. (2011, 2013), magnetic fields can give their contribution
to the effective viscosity via the Maxwell stress, calculated from the
𝑟 − 𝜙 component of the Maxwell tensor, i.e. 𝑇𝑀 = − 𝐵𝜙𝐵𝑟

4𝜋 , where
the full value of the magnetic field is taken into account. In this case,
the magnetic equivalent viscosity parameter is calculated as

𝛼𝑀 =

∫
𝑇𝑀
𝑐2𝑠
𝑑𝑉∫

𝜌𝑑𝑉
(9)

and the total effective viscosity is estimated as 𝛼 = 𝛼𝑅 + 𝛼𝑀 . The
evolution of the total viscosity is shown in Figure 9. Now, 𝛼 is much
larger in magnetized discs, reaching values between 10−3 and 10−2
before the planet is injected and up to 10−1 after that, compared
to values around 10−6 and 10−3 respectively in HD simulations (see
Table 2). Once again, the presence of the planet deeply influences the
global viscosity of the disc because of the turbulence and magnetic
fields developing in the planetary spiral wakes. We should expect a
much more viscous behaviour in MHD cases then, that can influence
momentum transport and gap opening, even though we do not expect
viscous heating to be much larger in the magnetic case in the bulk of
the circumstellar disc, except the very inner regions close to the star.
In fact, when theMaxwell stress tensor was defined, the total value

of magnetic fields was considered, instead of only its fluctuations, as
in the case of the Reynolds stress. As described by Flock et al. (2011,
2013, 2017), the mean magnetic field strength acts as a momentum
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transport mechanism, equivalently to viscosity. At the same time,
fluctuations in the magnetic field structure underline the presence
of instabilities, such as the Magneto-Rotational Instability (MRI,
Balbus & Hawley 1998), that translates into turbulence and into
viscous heating as well. In general, we can then distinguish between
a mean Maxwell tensor 𝑇𝑀,mean = −<𝐵𝜙><𝐵𝑟>

4𝜋 and a residual or
turbulent tensor𝑇𝑀,res = 𝑇𝑀 −𝑇𝑀,mean where again𝑇𝑀 = − 𝐵𝜙𝐵𝑟

4𝜋 .
These tensor components can be used to identify relative viscosity
parameters 𝛼𝑀,mean and 𝛼𝑀,res, that sum up to retrieve the total
equivalent viscosity 𝛼 = 𝛼𝑅 + 𝛼𝑀,mean + 𝛼𝑀,res. Trivially, 𝛼𝑅 is
the only contribution in HD simulations, while the three components
can have different importance in MHD simulations. In particular, in
our MHD models, the dominant component is by far the one due to
mean magnetic fields. In fact, the Reynolds component is found to
be a couple of orders of magnitude lower, and the residual magnetic
fields give a negligible equivalent 𝛼 from the turbulent Maxwell
stress tensor. This means that, at least in this resolution, magnetized
discs are expected to be much more viscous than HD setups, but, at
the same time, viscous heating should not substantially kick in.

3.4 Gap opening

After having analyzed the meridional circulation of gas, in this sec-
tion we address the issue of gap opening, comparing the HD and the
MHD cases. First of all, without magnetic fields, a gap is quite clearly
opened in the disc. This is observable in Figure 10 where density and
temperature profiles of the HD case are shown. In the 2D sections,
the gap is visible around the planetary orbit and presents a lower den-
sity, other than a lower temperature. Because of the gap formation,
gas piles up in the inner and outer disc, increasing the density, espe-
cially at the inner boundary. At the planet location, we can also see a
concentration of material, in both figures. The resolution is not high
enough to determine the structure of such a clump, but that could be
in general a trace of the formation of a circumplanetary disc, given
the peak in both density and temperature. Since we expect the disc
to slowly reach a definitive equilibrium configuration after thousand
of orbits (Hammer et al. 2018), it is likely that all the remaining gas
in the gap will eventually clear out.
The same section and quantities have been measured in the MHD

case and are shown in Figure 11, with a snapshot of themid-plane and
vertical sections taken after 600 orbits, with a fully-formed planet. In
this case, the presence of a gap is not clearly spotted. The density and
temperature distributions reveal a much more turbulent structure, as
already mentioned in Section 3.2, and there is no strong decrease
in temperature or density around the planetary orbit, even though
circumplanetary material is again visible right around the planet.
This again shows that the gap formation and the CPD formation
are not necessarily linked, but there can be circumplanetary material
(either an envelope or a disc) even when a planetary gap is not present
or is yet to form.
More details are shown in Figure 12. These plots compare the mid-

plane density (top) and temperature (bottom) profiles at the planet’s
location of the HD simulation with the four MHD setups (initial
𝛽 = 105, 106, 107, 108). In the HD case, the gap structure is clearly
visible in both density and temperature, with a decrease of more than
one order of magnitude in the first case. At the same time, the peaks
in density and temperature exactly at the planet’s location reveal the
presence of circumplanetary material, and the formation of the gap
forces most of the gas to pile up in the outer and especially in the
inner part of the circumstellar disc, enhancing density close to the
inner radial boundary.

On the other hand, the MHD runs show a completely different
behavior. First of all, the case with 𝛽 = 105 reveals itself again as a
more perturbed case, due to the faster growth of magnetic fields and
their larger effects on the circumstellar disc structure. Nevertheless,
the other runs show, as expected, very similar profiles. The gap is
mostly absent, as there is not any clear decrease in the density distri-
bution. The circumplanetary material is again present, with a similar
density profile, but higher in magnitude, suggesting more massive
CPDs. Even the pile-up of materials in the inner protoplanetary disc
is not detected, as a consequence of the lack of a deep gap. At the
same time, the temperature profile resembles closely the HD results
in the vicinity of the planet, with a small positive offset, while the
disc appears to be much colder in the rest of its structure.
The lack of a gap opening in MHD is somehow expected from

the results of Section 3.2. In fact, the conditions for a gap to open
can be analytically estimated by comparing the timescales of the
different mechanisms acting in the gap formation process, i.e. the
gravitational torque and the viscous timescales (Lin & Papaloizou
1980; Papaloizou & Lin 1984). In this context, Armitage (2010)
showed that, following Takeuchi et al. (1996), a gap is expected to
open when the following condition is met

50𝛼ℎ2𝑚−1 < 1 (10)

where 𝛼 is the viscosity parameter, ℎ the aspect ratio, and 𝑚 =

𝑀𝑝/𝑀★ the mass ratio between the planet and the star. In our case,
with ℎ = 0.05 and 𝑚 = 10−3, the conditions yields to 𝛼 < 8 × 10−3.
During a simulation ℎ can decrease down to ∼ 0.035 (see Figure 23),
giving the condition 𝛼 < 1.5 × 10−2. Since the equivalent viscosity
before the planet is injected is about 10−6 in HD runs, this condition
is fully met and a gap is allowed to open. On the other hand, an
equivalent 𝛼 between 10−3 and 10−2, such as the one shown by
MHD runs, would be exactly on the edge and would not allow the
formation of a full gap, and it even grows at the end of the simulations
to much higher values. Moreover, the presence of strong magnetic
fields in the gap would perturb the dynamics, providing an extra
pressure term that would act against the opening of a gap. This effect
is not dominant, as the 𝛽 parameter never gets below 10, as shown in
Figure 13, but at the same time not completely negligible.
In fact, an extra pressure term can be quite important in controlling

the mechanism of gap formation. The simpler way to study its effect
is to enhance the thermal pressure in an HD disc. The faster way to
do it is to deactivate radiative transfer and let the disc evolve adiabat-
ically over time. This would prevent the disc to radiate energy away
and would produce higher temperatures and, consequently, higher
pressures, even though a proper equilibrium may not be reached if
the disc keeps getting hotter over time. The result is shown in Fig-
ure 14. The adiabatic run is actually much hotter than the others,
meaning also that the thermal pressure is much higher in the disc.
Consequently, the torque of the planet is not dominant in the gap-
opening process anymore. This translates into a lack of gap, with a
density profile very similar to the MHD case, even though slightly
lower.
To elaborate more on the effective viscosity, even though the gap

opening process is prevented by the high effective viscosity, anMHD
simulation with an equivalent 𝛼 is not directly comparable to a vis-
cous HD setup. In fact, in the MHD case, the effective viscosity is
dominated by mean magnetic fields, and consequently, we do not
expect the temperature to be affected as much as it is in a viscous
run. In order to prove that, we ran two HD simulations implementing
viscosity, with artificial 𝛼 parameters set to be 10−3 and 10−2, and the
results are shown in Figure 15. In the Figure, we observe that the den-
sity profile becomes similar to the MHD case (initial 𝛽 = 107) while
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Figure 10. Section of the disc at the end of the HD run. On the left panel, the mid-plane sections are shown, while on the right panel the vertical sections at the
planet location. The top row shows the density and the bottom row shows the temperature.

Figure 11. Section of the disc at the end of the MHD run with initial 𝛽 = 107. On the left mid-plane sections are shown, while on the right the vertical sections
are at the planet’s location. The top row shows density and the bottom row shows temperature.
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Figure 12.Comparison of themid-plane temperature and density profile at the
planet longitude (𝜙 = 0). The HD result is compared to four different MHD
runs with different initial values for the magnetic 𝛽 (105, 106, 107, 108). The
grey dotted line represents the planet’s location.

Figure 13. Comparison of the mid-plane magnetic field magnitude and 𝛽 =
2𝑃
𝐵2
at the planet longitude (𝜙 = 0). Four different MHD runs with different

initial values for the magnetic 𝛽 (105, 106, 107, 108) are compared, showing
a magnetic field peak inside the gap, and a 𝛽 down to the value of 10. The
grey dotted line represents the planet’s location.

𝛼 increases, even though the HD setups show a slightly higher den-
sity in the entire circumstellar disc. The thermodynamics is extremely
different though. Despite the viscous behavior, the magnetized disc
remains much colder than the HD viscous cases, especially far away
from the planet. This confirms that the role ofMHD can be compared
to the effects of viscosity regarding the density distribution, while
they are not quite similar with regard to the temperature of the disc.

Figure 14. Comparison of the mid-plane temperature and density profile at
the planet longitude (𝜙 = 0). The HD and MHD (initial 𝛽 = 107) results are
compared to the same profiles of an adiabatic HD simulation. The grey dotted
line represents the planet’s location.

Figure 15. The inviscous HD and the MHD case with initial 𝛽 = 107 are
compared to two HD viscous setups (𝛼 = 102, 103) in density (top) and
temperature (bottom) after 600 orbits, when the planet is fully formed and
the disc has relaxed. The grey dotted line represents the planet’s location.

3.5 Thermodynamics comparison

All the previous results have been obtained in runs with radiative
transfer, except the adiabatic comparison shown in Figure 14. We
also tested whether similar results would be obtained in case other
strategies are implemented together with MHD. For example, using
an isothermal equation of state would keep the disc temperature
low and possibly damp any effective viscosity, changing in fact the
meridional circulation pattern and the gap-opening process.
As shown in Figure 16, in the HD case, an isothermal run produces

only smaller differences compared to the radiative tests. In fact, we
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Figure 16. The same HD and MHD (initial 𝛽 = 107) setups are compared in
the two different cases (radiative and adiabatic) in both density and tempera-
ture. The grey dotted line represents the planet’s location. In the isothermal
cases, the temperature profiles overlap.

have a similar gap profile, even though the isothermal case is slightly
more massive. On the other hand, the situation changes when com-
paring magnetized discs. In fact, the isothermal setup appears to have
a much clearer gap, almost comparable to the HD cases. This means
that the combination of an isothermal treatment with MHD does not
produce the same effects of the MHD + radiative transfer implemen-
tation. The main difference is to be found in how the equivalent 𝛼
evolves in the disc. In fact, in this case, the disc is not dominated by
the meanMaxwell contribution anymore. This is found to be actually
comparable to the contribution of the turbulent velocities (Reynolds
stress) for most of the disc evolution. The total viscosity parameter
is itself always around 10−5 before the planet is injected. This means
that viscosity is much lower and produces the same behavior as in
the HD case, i.e. a gap opening in the disc, a similar density profile,
and a meridional circulation pattern.
The different gap-opening mechanism in isothermal and radia-

tive cases comes from the actual magnitude of magnetic fields that
develop in the disc. In fact, in the radiative case, the global 𝛽 param-
eter decreases down to ∼ 10, while in the isothermal run, 𝛽 never
decreases lower than ∼ 103, as shown in Figure 17. The turbulent
motion, caused by the fluctuations of radiative transport, has proven
to be more important in radiative HD simulations, with an equivalent
𝛼𝑅 that can get almost one order of magnitude above the one shown
in the isothermal run, and this causes the magnetic field growth to be
much more sustained in the disc. As a consequence, the equivalent
𝛼𝑀 is also much stronger and prevents a gap from opening.

3.6 Accretion of Circumplanetary Material

The different behaviors in the gap-opening process and in the merid-
ional circulation are expected to have consequences on the accretion
rates onto the circumplanetary disc and hence onto the planet as well.
In order to check that, we followed the amount of mass contained in
the Hill sphere around the planet (hereafter defined as 𝑀Hill or Hill

Figure 17. Global integrated 𝛽 in two different cases with initial 𝛽 = 107:
radiative and isothermal. Despite starting from similar points, the radiative
case decreases much more (two orders of magnitude) than the isothermal
case. The grey dotted lines represent the moments at which the planet is
injected and it is fully grown.

mass), with the Hill radius defined as

𝑅𝐻 = 𝑎

(
𝑀𝑝

3𝑀★

)1/3
(11)

where 𝑎 is the semi-major axis of the planet, 𝑀𝑝 is the mass of the
planet, and 𝑀★ the mass of the star. We used the Hill-sphere because
of the low resolution in the planet’s vicinity, which prevents to cal-
culate the accretion rate directly on the planet’s surface. However, of
course, what material enters the Hill-sphere might not end up on the
planet, in fact, it is known that there is a significant outflow from the
Hill-sphere based on many previous works (Tanigawa et al. 2012;
Szulágyi et al. 2014; Ormel et al. 2015a,b; Cimerman et al. 2017).
The value of the Hill mass is of course variable in time as the mass
of the planet is also changing during a single simulation and the size
of the Hill sphere changes accordingly. For the sake of our analysis,
we took into account only the final value, after the disc has reached
stability with the fully grown planet.
We studied the evolution of 𝑀Hill, comparing the final Hill mass

in the HD case with the Hill mass in the four MHD cases (initial
𝛽 = 105, 106, 107, 108). Firstly, once again, the MHD case with
initial 𝛽 = 105 proves to be different compared to the other MHD
cases. In fact, the perturbations at the planet location do not allow
the planet to accrete the same amount of mass and a total 𝑀Hill '
2 × 10−6𝑀� ∼ 2 × 10−3𝑀𝐽 has been measured. Secondly, the final
Hillmass, after the disc has relaxed, is quite different inMHDandHD
cases. In fact, a magnetized disc (except of course the case with initial
𝛽 = 105) produces a Hill mass of about 8× 10−6𝑀� ∼ 8× 10−3𝑀𝐽 ,
where 𝑀𝐽 is the Jupiter mass, while the HD case shows a Hill mass
that is a factor 4 lower (2 × 10−6𝑀� ∼ 2 × 10−3𝑀𝐽 ). This is mainly
due to the lack of a gap. In fact, the minimum density in the planetary
gap is very different in the two cases, as shown in Figure 12, and even
though the circumplanetary density has similar profiles in shape, this
offset causes the final value of 𝑀Hill to be higher in the MHD case.
The same analysis can be done when an isothermal treatment is

implemented. Since the MHD isothermal case has already shown to
give different results compared to its radiative counterpart, we expect
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Figure 18. Accretion rate onto the Hill sphere after 350 orbits, i.e. when
the planet is fully formed. Four different cases are compared: HD isothermal
and with radiative transfer, MHD (initial 𝛽 = 105) isothermal and with
radiative transfer. Clearly, the isothermal runs are much less variable than the
radiative runs, highlighting that the radiative treatment has a large impact on
the accretion rate and variability.

the Hill mass to decrease. In fact, the two isothermal cases (MHD
and HD) turn out to be indeed extremely similar, not only in the gap
opening process but also in the accretion onto the planet, reaching
both a Hill mass value slightly below 2 × 10−6𝑀� . This means that
the lower magnetic energy developed in the disc, as shown by Figure
17, is responsible for the different behaviour of the disc. In general,
isothermal runs show a slightly lower Hill mass compared to the
radiative HD one, mainly because the disc is slightly warmer around
the planet since it cannot radiate energy away (Figure 16), and this
causes the gas to settle less towards the mid-plane.
Lastly, we compared the evolution of 𝑀Hill in the MHD case

(𝛽 = 107) to a variety of HD runs. We have already seen that the
isothermal HD run produces much lower values for the Hill mass.
At the same time, also the adiabatic setup, despite being able to
reproduce the absence of the gap, gives low and comparable values,
again because the high temperatures do not allow gas to settle around
the planet. On the other hand, radiative and viscous HD setups are
much more interesting. In fact, even though the case with 𝛼 = 10−3
shows a low mass, at about 4 × 10−6𝑀� , the 𝛼 = 10−2 shows a
much higher value, at around 12×10−6𝑀� . This again confirms that
effective viscosity is the key factor in the gap-opening process and
in planetary accretion as well. Having higher 𝛼’s not only prevents
a gap from fully opening but also fosters higher accretion rates onto
the planet. In particular, we can infer that a value for 𝛼 between 10−3
and 10−2 would produce a Hill mass similar to the MHD case.
Other than the mass in the Hill sphere, one could measure the

mass accretion rate, i.e. the time derivative of the Hill mass itself
𝑑𝑀Hill
𝑑𝑡
. In general, these values will not be stable in time, nor easily

measurable. In fact, shocks and heating/cooling processes around
the planet cause the temperature in the Hill sphere to oscillate, and,
consequently, also the Hill mass will not have a completely smooth
evolution, but will rather show oscillations around a mean value. In
fact, when the Hill sphere is colder, more mass can be compressed
in it, while when it is warmer, the gas expands and the outer layer is
pushed away by thermal pressure (Szulágyi et al. 2016), decreasing

Figure 19. Equivalent viscosity in the HD and MHD cases (𝛽 = 105, 107)
in two different resolutions, from 400 and 600 orbits, after the planet is fully
formed.

the overall density of the Hill sphere. This is also why radiative
simulations are so important in determining realistic accretion rates.
In particular, in both HD and MHD radiative cases, the accretion

rate values initially span from −10−6 𝑀�
orbit to +10−6 𝑀�

orbit with an
average value around +10−8 𝑀�

orbit (Figure 18). For comparison, this
would translate into an accretion rate of 10−6 𝑀𝐽

year , in agreement
with the assumed formation timescale of Jupiter. Towards the end
of the simulation, after 600 orbits, the oscillation amplitude of the
HD cases decreases by about one order of magnitude, reaching the
same amplitude values we observed in isothermal cases, both HD and
MHD, as shown again in Figure 18. This proves that the combined
effect of magnetic fields and radiative transfer makes the meridional
circulation, hence accretion, more turbulent and less smooth than all
the other combinations.

3.7 High-resolution Comparisons

In order to verify the effect of higher resolutions, we also run some
selected configurations in a 420x44x1440 setup (8 times the number
of cells as in the low-resolution case). In particular, three different
radiative cases were tested. One HD case and two MHD cases with
𝛽 = 105, 107. Again, an HD case was run for about 50 orbits, and the
three setups were initiated from there, obviously adding magnetic
fields when necessary. The first, and not surprising result, is that
the two HD simulation results (low- and high-resolution) are almost
identical. In practice, increasing the resolution does not produce
relevant effects on the hydrodynamics of the disc. Even the effective
viscosity in the disc turns out to be very similar, as shown in Figure
19, with values oscillating around 10−3 in both resolutions after the
planet is formed.
Comparing various resolutions is especially important in MHD

since magnetic effects are known to be sensitive to resolution (Fro-
mang & Nelson 2006). Starting from the equivalent viscosity, we
found that in the case with initial 𝛽 = 105, the value for 𝛼 was
roughly the same in the two resolutions (Figure 19) with some more
oscillations in the high-resolution run. The latter happens because
the residual magnetic fields are the main source of viscosity, in this
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Figure 20.Density and temperature profiles in the HD andMHD cases (initial
𝛽 = 105, 107) in two different resolutions. The grey dotted line represents the
planet’s location.

case. In fact, even though residuals were found not to be significant
in the low-resolution runs, in high-resolution we start to resolve the
magnetic instabilities, such as theMRI. Consequently, that causes the
residual 𝛼 to be much more important compared to the total viscosity
value. This means, in particular, that one should start to see the heat-
ing effect of viscosity, which was not important in lower resolution.
In the case with initial 𝛽 = 107 though, this is even more relevant.
In fact, in this case, the total viscosity was found to be initially lower
in the high-resolution run and to reach roughly the same value at
the end of the simulation. Given that the total magnetic 𝛽 has found
to be even lower than ∼ 10 at the end of the simulation despite the
higher temperature (and thermal pressure), we already have a hint
that MHD-driven instabilities could play a major role in this case.
In fact, as shown in Figure 20, the density and temperature profiles

in the 𝛽 = 105 cases are similar enough, with some differences due
to a slight overheating in the high-resolution run. On the other hand,
heating is much more prominent in the case with initial 𝛽 = 107
because of the residual viscosity, causing the disc to be much hotter,
thus the density profile also to be different. This highlights that going
to high resolutions is a powerful tool to resolve and detect magnetic
instabilities that can modify the outcome of the model in certain
circumstances, at least in an ideal-MHD scenario. It is known, that
more accurate ionization models predict a low coupling between the
gas and the magnetic fields, that damps any MHD-driven instability
in the so-called dead zone, where planets are forming (Gammie
1996). In this more realistic case, increasing the resolution would
not resolve any instabilities better and it is expected to give roughly
the same results.

4 DISCUSSION

Thefirst study aboutCPDcharacteristics and structurewithMagneto-
Hydrodynamic simulations was presented by Gressel et al. (2013).
Their work included Ohmic resistivity (i.e. non-ideal MHD), which
leads to turbulent surface layers of the CPD and even a dead zone
close to the mid-plane. They started the simulations with relatively
low-intensity vertical magnetic fields (3.6𝑚𝐺, i.e. 𝛽 ∼ 3×105). They

found that the accretion flow into theHill spherewas again dominated
by high-latitude inflow, while the gas flowed outwards in the CPD
mid-plane. A cavity was opened by magnetic fields between the
planet and the inner CPD, similarly to the PPD case between the star
and the inner disc edge. In this cavity, the ionization rate was larger,
which led to stochastic accretion with a high level of variability.
During one instance, even an intermittent jet was forming because of
the magnetic fields. The CPD itself was very light, therefore easier to
ionize, while the accretion rate reached a steady value that possibly
allows rapid growth from a Saturn- to a Jupiter-mass planet. The low-
intensity magnetic field implemented in the model is the one that is
generated by the low-ionized PPD, and it is different compared to
the magnetic field generated by, for example, the forming planet or
the proto-star, even by orders of magnitude. In agreement with that
and with e.g. Zhu et al. (2014), we observed a clear gap opening in
our MHD isothermal runs. In fact, as explained in Section 3.5, in
the isothermal disc case, turbulence in the velocity field is not strong
enough to sustain strong growth of the magnetic field’s magnitude.
This implies that the effective viscosity generated by the Maxwell
stress tensor never gets large enough to prevent the gap to open.
On the other hand, when we switch on a proper radiative transfer
prescription, the effective viscosity generated in the disc is high
enough so that a gap is actually prevented to open.
Thermodynamics is not the only factor to affect magnetic field

growth. In our case, ideal MHD has been implemented and the ab-
sence of a magnetic resistivity is enhancing the MHD effects in the
disc and making them dominant in some of its regions, especially
at higher latitudes. Non-ideal effects, including Ohmic Resistivity,
Ambipolar Diffusion, and the Hall effect, would slow down the mag-
netic energy growth, possibly preventing the 𝛽 parameter to get to
such low values, and, consequently, the effective viscosity to be so
large. In order to implement these effects, the ionization fraction
of the gas needs to be consistently calculated, as has been shown
in previous works. For example, Fujii et al. (2014) studied whether
the MRI could develop in CPDs around forming giant planets since
it can in principle drive accretion. They found that the vast major-
ity of the volume of the CPD does not meet the criteria for MRI
to develop, except for a thin layer at the disc surface. If non-ideal
(Ohmic resistivity, ambipolar diffusion, and Hall drift) effects were
also considered, the gap region turned out to be very MRI-unstable,
while the CPD region did not have high enough magnetic fields that
can drive accretion (Keith & Wardle 2015). Moreover, Ambipolar
Diffusion has proven to be a very large effect on the gap-opening
process, as shown by Aoyama & Bai (2023). In fact, in that case,
non-ideal MHD, combined with locally isothermal thermodynam-
ics, has been shown to cause a much deeper gap, highlighting a very
different behavior compared to the results of this work, where ideal
MHD is implemented together with radiative transfer. This suggests
that the combined effect of non-ideal MHD and radiative transfer
could produce peculiar results that should be studied in future works.
Even without a proper ionization model, Ohmic Resistivity can be

used to artificially create a buffer zone in the inner region of the disc,
where it should be dominant so that the strong magnetic field growth
is damped and slowed down in the region where it is actually most
efficient. This way, a smoother evolution of the disc is expected. In
particular, we produced other three setups, with initial 𝛽 = 107, but
with an artificial buffer zone. The magnetic resistivity has been set
to be

[ = [0 ×
{
3.12 𝐴𝑈−𝑟
1.04 𝐴𝑈 2.08 𝐴𝑈 ≤ 𝑟 < 3.12 𝐴𝑈
0 𝑟 ≥ 3.12 𝐴𝑈

(12)

so that it is equal to [0 at the inner ring and to 0 when the orbital
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Figure 21. Globally integrated 𝛽 (see Equation 7) in four different cases,
all with initial 𝛽 = 107. The first case is without any buffer zone, then
the other three cases have an inner buffer zone with magnetic resistivity
[ = 10−5, 10−4, 10−3 in code units in the inner ring.

Figure 22. Final density and temperature profiles in four different cases,
all with initial 𝛽 = 107. The first case is without any buffer zone, then
the other three cases have an inner buffer zone with magnetic resistivity
[ = 10−5, 10−4, 10−3 in code units in the inner ring.

radius reaches 3.12AU, i.e. 0.6 times Jupiter’s semi-major axis. Three
different values of [0 have been chosen, i.e. [0 = 10−5, 10−4, 10−3 in
code units, chosen so that they have a strong enough effect, but at the
same time, they are not too strong so that the CFL condition decreases
too much and causes the simulations to slow down significantly.
As shown in Figure 21, the magnetic energy evolution reaches

roughly the same limit (except the case with [0 = 10−3 that proved
to be too drastic), but the evolution is smoother and slower. In fact,
the first rapid evolution phase shown in Figure 1 is avoided and
the disc can evolve while better keeping the equilibrium. Even in
this case, the gap does not open, as shown in Figure 22, and this
was actually expected, given that the integrated 𝛽 reaches the same

Figure 23.Aspect ratio in the disc at the end of the simulation in five different
cases: the HD run and the four MHD runs (initial 𝛽 = 105, 106, 107, 108).

final value in all the cases. Nevertheless, the final temperature and
density profiles are very similar to previous cases, especially around
the planet’s location. The only significant difference is exactly in
the inner disc region, i.e. the buffer zone. Resistivity is heating up
the disc and concentrating the density in the mid-plane, while not
affecting the disc beyond 𝑟 = 3.12 𝐴𝑈. This buffer-zone strategy
has then proven to be useful when even higher resolutions will be
explored, and instabilities much better resolved (Fromang & Nelson
2006).
Furthermore, the chosen resolution can also have an effect on the

results. In fact, our low-resolution runs have 22 cells in the vertical
direction, with an opening angle of 0.2 radians (only one hemisphere
included). The aspect ratio ℎ is initialized at 0.05 and keeps roughly
the same order of value. In fact, as shown in Figure 23, at the end
of the simulation the aspect ratio decreases in the inner disc, then
stays at about 0.04 around the planet, and grows to 0.07 in the outer
disc, in the HD setup. This means on average about 5 cells per scale
height in the low-resolution runs, while in the high-resolution runs,
we have about 10/11 cells per scale height. This is exactly at the
threshold beyond which we should expect to resolve MRI (Gressel
et al. 2013). In fact, as explained in Section 3.7, in these high-
resolution runs, the contribution of the residualMaxwell stress tensor
is not negligible anymorewhen calculating the effective viscosity.We
have already seen that the high-resolution runs present more heating
due to the residual viscosity, hence different density profiles. We can
then expect that increasing the resolution even further would allow
MRI to be fully resolved and probably give a stronger contribution
to the viscosity in the disc during its evolution, at least in ideal MHD
runs. On the other hand, another consequence of non-ideal effects
would be causing lower ionization rates in the disc, and then the
existence of a dead zone in which MRI should not operate efficiently,
regardless of the resolution.
Increasing the resolution would be useful nevertheless, especially

around the planet. So far we could only study the accretion rates and
the mass in the Hill sphere, which is the most reasonable volume our
resolution allows us to investigate. In fact, in the low-resolution runs
only 8 cells are included in the Hill sphere in the radial direction,
while we reach the number of 16 in the high-resolution cases. This
means we do not have enough resolution to really distinguish and
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resolve the structure of a forming circumplanetary disc, and con-
sequently, we cannot argue about the MHD effects on its evolution
and calculate the proper planetary accretion rates, until the plane-
tary radius is resolved. Of course, increasing the resolution of the
whole setup would cause the simulation to slow down massively,
both because of the higher number of cells and the shorter time steps
needed. Two possible solutions could be implemented in this case.
The first one would be using a nested grid structure (e.g. Szulá-
gyi et al. 2016.). On one hand, this method is convenient because
it maintains lower resolution in most of the disc, while it focuses
the simulation in the region around the planet. On the other hand,
spiral wakes in the disc are fundamental in order to understanding
and studying meridional circulation and accretion rates. Therefore
an adaptive-mesh-refinement method (AMR), which is already in-
cluded in PLUTO (Mignone et al. 2012a) but not compatible yet with
the radiative transfer module, would be ideal in this case since the
grid would be built in order to increase resolution where the density
is higher.
To conclude with, the meridional circulation does not affect gas

alone, but also dust and solid particles follow such a pattern during
the formation of a giant planet. HD simulations showed in fact that
a gap is opened in the dust density distribution as well, at least
for the smaller grain sizes (Dipierro & Laibe 2017; Binkert et al.
2021; Szulágyi et al. 2022), with the gas circulation preventing dust
particles to settle in the mid-planet and creating a thicker solid disc,
compared to discs with no planet in them. As the gas is delivered
to the CPD and accreted onto the forming planet, also dust particles
follow a similar pattern. On average, the dust flow has a dust-to-
gas ratio of about 1 % (10−6 − 10−8𝑀jup𝑦𝑟−1 for gas, compared to
10−8 − 10−10𝑀jup𝑦𝑟−1 for dust), but solid particles can get trapped
easier and result in a solid-enriched circumplanetary disc (Szulágyi
et al. 2022). Even in this case, the implementation of ideal and
non-ideal MHD would give a more realistic representation of the
circulation and of enrichment of CPDs.

5 CONCLUSION

In this work, we investigated the meridional circulation (Szulágyi
et al. 2014; Szulágyi & Garufi 2021), the gap opening process, and
the Hill-sphere accretion rates in radiative and magnetized proto-
planetary discs using the PLUTO code (Mignone et al. 2007). We
set up a protoplanetary disc with an initial aspect ratio of ℎ = 0.05
(evolving then to values between 0.03 and 0.04) and a Jupiter-mass
planet forming at 5.2 AU. MHD has been implemented in its ideal
form, with no resistivity or diffusion. Radiative transfer has been
solved by introducing the radiation energy variable, and its evolution
has been implicitly solved via a supplementary module of PLUTO
(Flock et al. 2013). Different simulation setups have been run. In
particular, we chose four different values for the initial 𝛽 parameter.
Furthermore, in some of the runs, we implemented viscosity, via a
proper 𝛼 parameter (Shakura & Sunyaev 1973), and we also switched
off radiative transfer in order to compare the results with isothermal
treatment.

• The first preliminary result we obtained is that the MHD simu-
lations with initial 𝛽 = 106, 107, 108 all produced a very similar disc
evolution pattern, reaching the same final magnetic strength values
for the globally integrated 𝛽 (∼ 10), and similar final density and
temperature profiles of the disc. In the case with initial 𝛽 = 105, the
evolution of the magnetic field is faster at the beginning of the sim-
ulation, causing perturbations to propagate from the inner disc up to

the planet location, which affects the density and temperature in this
area, and, consequently, the structure of the meridional circulation
and of the gas accretion onto the Hill-sphere.

• In both the HD and MHD runs, we retrieved the pattern of
meridional circulation (Szulágyi et al. 2014, 2022). In the PPD the
planetary spiral wakes stir the disc material vertically, while in the
planetary gap region, the spirals bring in material to bridge over
the gap and deposit material onto the circumplanetary region from
the vertical direction. The gas which could not be accreted by the
planet right away will flow out from the CPD and goes back into the
circumstellar disc. On the other hand, the mid-plane velocity pattern
is very different in HD and MHD cases. In fact, without magnetic
fields, it is possible to recognize rings of sub- and super-Keplerian
gas between where dust accumulation should be more likely (Kato
et al. 2010). The azimuthal structure is not so well-defined in the
MHD runs, thus making the concentration of solid particles in rings
significantly less likely.

• We calculated the effective 𝛼 parameter with the help of the
Reynolds stress tensor in all simulations, in order to quantify the
angular momentum loss mechanisms in the disc. This way, we were
able to quantify the effective viscosity due to magnetic processes vs.
the effects of the planet’s spiral wakes. On one hand, when the gas
passes through the spiral shock front, it loses angular momentum.
Furthermore, the stirring effect of the meridional circulation also
adds to the angular momentum transport in the disc. We found that,
in the HD simulations where the magnetic fields do not play any
role, the spiral wakes of planets contribute to a high 𝛼 ∼ 10−3,
highlighting this could be one of the most important momentum loss
mechanisms in a realistic PPDwhen amassive enough planet present.
In the MHD simulations, 𝛼 starts at about ∼ 10−2.5 before the planet
is inserted (hence there are no spiral wakes in the disc) and grows up
to ∼ 10−1.5 at the end of the simulation with the planet fully formed.
This means that expectedly, the contribution of magnetic fields is
creating significant turbulence in the disc in the ideal MHD limit,
next to the effective viscosity contribution of the planetary spiral
wakes.

• The gap opening process has been found to be extremely differ-
ent in radiative HD and radiative MHD cases. In fact, while a clear
gap was opened in the HD runs, the MHD simulations showed a total
absence of it. This can be related to the much higher effective viscos-
ity in the disc in the MHD case. Analytical estimates show that such
high viscosity values counteract and win over the effect of planetary
torque, stopping the gap opening. This effective viscosity is given
by the mean-field stress tensor. This means that while it provides an
efficient mechanism to transport mass and momentum, it does not
trigger significant viscous heating in the disc.

• The effective viscosity is significantly lower in isothermal runs
than in radiative simulations. In fact, the larger turbulence caused by
radiative processes triggers a very fast magnetic field growth, espe-
cially from the inner disc and from higher latitudes, where magnetic
fields are dominant, given the low density. The lower effective vis-
cosity in the isothermal runs allows the gap to clearly open. This
highlights that the inclusion of heating and cooling effects is very
important to correctly simulate disc evolution and planet formation.

• The Hill-sphere mass and accretion rate were also compared
in the different simulations. Given the low densities caused by the
gap opening process, the radiative HD runs showed a much lower
Hill mass, about a factor 4 lower than MHD cases, but the two se-
tups revealed comparable Hill masses in isothermal runs. This means
again that magnetic fields become dominant in radiative simulations
and will cause a different evolution of the disc. At the same time,
viscous HD runs showed to be able to produce higher Hill masses,
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similar to or even larger than the radiative MHD cases. In both the
radiative HD and radiative MHD runs, the Hill-sphere accretion rate
values oscillate between −10−6 𝑀�

orbit to +10
−6 𝑀�
orbit with an average

value around 10−6 𝑀𝐽

year . This is because due to the heating and cool-
ing effects the Hill-sphere expands and contracts, resulting in the
oscillation between the accretion rate sign.

• The High-resolution runs started to resolve MRI, providing a
higher residual viscosity, especially in the case with initial 𝛽 = 107.
This causes the disc to develop more heating compared to the low-
resolution runs, even though the total viscosity is found to be lower.
This underlines the need to use high resolutions that can resolve all
physical mechanisms, including the fundamental instabilities devel-
oping in ideal MHD.
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Figure A1.The plot shows the difference between the local Keplerian velocity
and the actual azimuthal velocity, normalized to the Keplerian velocity itself,
in the MHD case with initial 𝛽 = 105. Red areas represent sub-Keplerian
motion, while blue ones represent the super-Keplerian flow.
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APPENDIX A: MHD CASE: 𝛽 = 105

In Section 3, we chose the MHD case with initial 𝛽 = 107 as the
reference case to analyze and compare to the HD runs. This is be-
cause lower 𝛽’s caused the magnetic evolution to be quite fast and to
produce perturbations that developed from the inner disc up to the
planet’s orbit. Even though these perturbations may affect the gap-
opening process and the measure of the accretion rate, they appear
in the inner disc even when resistivity is implemented in order to
create a buffer zone (see Section 4). This suggests that their origin is
physical rather than numerical, hence it is worth it to mention even
the cases with lower initial 𝛽’s.
First of all, Figure A1 shows the sub- and super-Keplerian areas in

the disc. In this case, the ring structure is certainly not as well-defined
as in the HD run, but at the same time, the boundaries are much more
clear than in the MHD case with initial 𝛽 = 107. This means that the
perturbation propagating from the inner disc is a dominant effect in
shaping the disc structure and it mostly determines whether the gas
is sub- or super-Keplerian, except in the close vicinity of the planet.
This is even more clear when the gap-opening process is inves-

tigated. Figure A2 shows the density and temperature maps (both
horizontal in the mid-plane and vertical at the planet location) of the
disc after the simulation ended. Even in this case, the result is not
similar to the HD case nor to the other MHD cases. Even though
the temperature profile is similar to other MHD cases, the gap is still
not opening. On the contrary, more mass is concentrated along the
planetary orbit. This means again that the effect of the inner pertur-
bation is dominant in how the disc structure is shaped. As a result, the
Hill mass is in this case lower than other magnetized cases, almost
identical to the HD run (see Figure 12).

To end with, Figure A3 shows the velocity direction in two vertical
sections of the disc, similarly to Figure 4 and 5, and the magnitude
of the vertical component of the velocity itself. Even though the
meridional circulation pattern is still visible, the magnitude of the
velocity is stronger just around the planet’s location.At the same time,
the rest of the disc is less affected by turbulence and circulation.
Once again, the magnetized case with initial 𝛽 = 105 turns out
to have similarities with the HD case. This is expected, because,
even though starting with the highest magnitude, the magnetic fields
in the 𝛽 = 105 are not as strong as in the other MHD cases at
the end of the simulation (see Figure 1), but at the same time, the
equivalent viscosity is stronger (see Figure 8 and 9). This causes
the observed hybrid behavior, with the velocity pattern, temperature
profiles, and Hill mass being similar to the HD case, the absence
of a gap confirming MHD cases, and density profiles and the sub-
/super-Keplerian structure being peculiar and not really comparable
to previous cases.

APPENDIX B: PLUTO VS JUPITER VALIDATION

As mentioned in Section 2.2, the radiative transfer solver of PLUTO
(Mignone et al. 2007; Flock et al. 2013) has been validated by com-
paring equivalent runs with the JUPITER code (Szulágyi et al. 2016)
that includes a radiative transfer solver as well.
In particular, we run the same setupwith the same initial conditions

and boundary conditions for 20 orbits, without a planet injected in
the simulation. Since this assures cylindrical symmetry, then the
tests were run in a 2D configuration, where we only considered
the 𝑟 and the \ directions. We considered 200 cells in the radial
direction, spanning from 2.08 AU to 13 AU, while 40 cells were
considered in the meridional direction, from \ = 1.37 to \ = 1.77,
i.e. symmetrically around 𝜋/2. The radial cells were logarithmically
spaced in PLUTO, while linearly spaced in JUPITER. The same
boundary conditions and initial conditions described in Section 2
were implemented, while to simplify the problem, a constant opacity
^𝑃 = ^𝑅 = 10𝑐𝑚2𝑔−1 was implemented. Some time was invested
in order to make sure that the two set-ups were as close as possible,
despite the difference between the two codes.
First, we visually compared the 2D density and pressure distribu-

tion in the 𝑅 × 𝑍 space. At the beginning of the simulation, both the
density and pressure profiled vary smoothly from the mid-planet to
higher latitudes, following the exponential decay described in Section
2.4. After 20 orbits, one can see that both the density and pressure
profiles reached the same equilibrium configuration. Figure B1 and
B2 show in fact that with both codes the disc contracts and develops
a sharper upper boundary, while maintaining very similar profiles
close to the mid-plane.
When analyzing the mid-plane profiles of density, internal energy,

and radiation energy, as shown in Figure B3, one can also see that
they are in fact very similar away from the boundaries, with dif-
ferences smaller than a few percents. On the other hand, one can
also observe that the two radiative transfer solvers behave slightly
differently when dealing with ghost cells close to the boundaries. In
fact, the two different grid structures influence the optical thickness
in each cell and consequently, the cooling efficiency at the boundary.
Nevertheless, since we are mainly interested in the disc evolution
around the planet location at 5.2 AU, we can claim that the behavior
of the two codes is equivalent within the error bars, and our radiative
method in PLUTO is validated.
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Figure A2. Section of the disc at the end of the MHD run with initial 𝛽 = 105. On the left mid-plane sections are represented, while on the right vertical sections
at the planet’s location are. The top row shows density and the bottom row shows temperature.

Figure A3. Two vertical sections of the protoplanetary disc after 300 orbits, with no magnetic fields, when the planet has already fully formed and the disc has
already fully relaxed. The sections are taken at 𝜙 = 0 and 𝜙 = 𝜋 with respect to the position of the planet, meaning that one section corresponds to the planet’s
location, and the other is the opposite. The arrows represent the direction of gas velocity, while the color scale represents the value of the vertical velocity
component, whether it is positive or negative. Only the upper hemisphere is shown.

MNRAS 000, 1–18 (2022)
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Figure B1. Volume density comparison between PLUTO and JUPITER after 20 orbits. The density is normalized to 𝜌0, i.e. the initial volume density at the
planet’s location.

Figure B2. Pressure comparison between PLUTO and JUPITER after 20 orbits. The pressure is normalized to 𝑃0, i.e. the initial pressure at the planet’s location.

Figure B3. Comparison of the mid-plane profiles of the density 𝜌, the internal energy 𝑢 and the radiation energy 𝐸𝑅 . The dotted line represents the initial
condition.

MNRAS 000, 1–18 (2022)
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ABSTRACT

We present the surface magnetic field conditions of the brightest pulsating RV Tauri star, R Sct.
Our investigation is based on the longest spectropolarimetric survey ever performed on this
variable star. The analysis of high resolution spectra and circular polarization data give sharp
information on the dynamics of the atmosphere and the surface magnetism, respectively. Our
analysis shows that surface magnetic field can be detected at different phases along a pulsating
cycle, and that it may be related to the presence of a radiative shock wave periodically emerging
out of the photosphere and propagating throughout the stellar atmosphere.

Key words: stars: AGB and post-AGB – stars: magnetic field – stars: atmospheres

1 INTRODUCTION

RV Tauri stars are high luminosity pulsating variables. Their
lightcurves show alternating deep and shallow minima in a quasi-
periodic manner, the periodicity being sometimes interrupted by
irregular intervals due to intrinsic phenomena. During regular parts
of the lightcurve, the photometric variability period % is defined
as the time interval between two consecutive deep minima. The
values of % are usually between 30 and 150 d (Wallerstein & Cox
1984). Jura (1986) studied the mass loss rates of RV Tauri stars
and concluded that these objects have recently left an evolutionary
phase of rapid mass loss. Considering their luminosities (∼ 103!⊙)
and formation rate (about 10% of the rate of formation of planetary
nebulae) Jura (1986) proposed that they are post-AGB objects in
transition from the Asymptotic Giant Branch (AGB) to the White
Dwarf stage, which is a very short phase in the lifetime of a star.

R Sct (HD 173819) is the brightest member of the RV Tauri
type stars. According to the General Catalogue of Variable Stars
(GCVS1), its visual magnitude ranges between 4.2 down to
8.6 and its photometric variability period is between 138.5 and
146.5 d (with variability from one cycle to another). Because
of the strong photometric variability R Sct exhibits, its spectral
class also varies significantly: from G0Iae during maximum light
to M3Ibe during deep minimum light. From observations taken

★ Based on observations obtained at the Télescope Bernard Lyot (TBL)
at Observatoire du Pic du Midi, CNRS/INSU and Université de Toulouse,
France.
† E-mail: sgeorgiev@astro.bas.bg
1 http://www.sai.msu.su/gcvs/gcvs/

during the phases of shallow minimum and just after a maximum
in the lightcurve, Kipper & Klochkova (2013) measure the fol-
lowing stellar parameters:)eff = 4500 K, log 6 = 0.0, [Fe/H] = -0.5.

For R Sct, during each pulsation cycle, two accelerations of the
atmospheric layers occur, which are caused by the propagation
of radiative shock waves (Gillet et al. 1989). By studying the
variability of spectral lines, Lèbre & Gillet (1991a,b) found that
the expansion of the stellar atmosphere due to the passing of such
shock waves may reach up to a few photospheric radii. Indeed, the
propagation of these shocks produces significant ballistic motions
in the atmosphere, that can be traced through dedicated spectral
features, such as, for example, the splitting of metallic lines and
emission in the lines of hydrogen. These studies also show that the
two shockwaves associated to one pulsation cycle (a main shock
and a secondary shock) appear respectively just before the deep
and the shallow light minimum, and that they may both be present
at the same time, at different altitudes, in the higher part of the
extended atmosphere of R Sct. The authors also point out that this
complex atmospheric dynamics may be at the origin of the mass
loss the star experiences at this late evolutionary stage.

Since AGB and Post-AGB stars are among the main sources of
enrichment of the interstellar medium through their winds and
mass loss, the understanding of the origin of these processes is
fundamental. An important mechanism, which would be related to
mass loss, involves the presence of magnetic fields. However, their
exact role in this process at these late stages of stellar evolution
is still poorly understood. For example, while binarity is invoked
as a principal shaping agent of the circumstellar envelope (CSE)
(Decin et al. 2020), magnetic fields could still play an active role

© 2022 The Authors
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in this task (Blackman et al. 2001).

The first discovery of a surface magnetic field in R Sct was reported
by Lèbre et al. (2015), who estimate the longitudinal magnetic
field �; = 0.9 ± 0.6 G. Moreover Sabin et al. (2015) found that the
surface magnetic field of R Sct is variable with time, sometimes
being not present or below their detection limit of 0.5 G. They
also observed a connection between the line profiles resulting
from the shock propagation and the Zeeman signatures in circular
polarization. On this basis they suggested there could be a link
between the dynamical state of the extended stellar atmosphere of
R Sct and its surface magnetic field. Such a link has already been
proposed for the pulsating variable Mira star j Cyg (Lèbre et al.
2014), where the shockwave propagation throughout the stellar
atmosphere seems to amplify, through compression, a weak surface
magnetic field.

The objective of the present work is to investigate the magnetism
of R Sct during a long term spectropolarimetric survey, in order to
check if there is indeed an interplay between the surface magnetic
field and the atmospheric dynamics present in this cool evolved
star. The article is organized as follows. Section 2 presents the
spectropolarimetric observations used for the study, and the different
tools used for their subsequent analysis. The atmospheric dynamics
of R Sct is then illustrated in Section 3 from the associated high
resolution spectroscopic observations. In Section 4, we present a
refined approach to study the surface magnetism in such a pulsating
star hosting an extended atmosphere. The circular polarization data
(Stokes + profiles) are analysed and the magnetic (Zeeman) origin
of the detected signatures is investigated. Section 5 presents briefly
the available observations of R Sct in linear polarization, and finally,
in Section 6, a summary of the obtained results is given.

2 OBSERVATIONS AND DATA ANALYSIS

2.1 Spectropolarimetric observations

Observations of R Sct were obtained between July 2014 and August
2019 using the Narval instrument (Aurière 2003) on the 2m class
Télescope Bernard-Lyot (TBL) at the Pic du Midi observatory,
France. This high resolution spectropolarimeter has a resolving
power ' = 65 000 and covers the spectral window between 375 and
1 050 nm. The Narval instrument is designed to detect polarization
levels (circular or linear) within atomic lines. It allows simultaneous
measurement of the full intensity (Stokes I) and the intensity in
circular (Stokes V) or linear (Stokes U or Stokes Q) polarization
versus wavelength.

Our Narval observations represent the longest monitoring of R Sct
ever performed using high resolution spectropolarimetry so far. It
corresponds to 6 seasons of observability of R Sct obtained over the
course of 6 years, which will hereafter be referred to as 6 datasets,
from set 1 to set 6. All these Narval observations are composed
of a number of spectropolarimetric sequences (circular and/or lin-
ear polarization), all of which include a high resolution intensity
spectrum (Stokes I measurements) and also a high resolution po-
larization spectrum (in Stokes U, Q or V). With approximately one
observation per month (during the seasons R Sct is visible from Pic

du Midi), linear and circular polarization data have been collected
preferably in a single night, or during consecutive nights depend-
ing on target observability or weather conditions. Hence, the total

dataset spans over 67 different dates of observation, 31 of which
contain Stokes + measurements, giving access to the information
about the surface magnetism. The full log of observations is given
in Table 1. The observations which contain measurements on linear
polarization are presented in Section 5, but the Stokes& and* pro-
files themselves are not examined in details in this study; instead,
only their associated high resolution unpolarized spectra (Stokes �)
are used to trace the atmospheric conditions of R Sct (in Section 3).
Our survey stops at the end of August 2019, when the TBL was
stopped to install the successor of Narval, Neo-Narval. In the inter-
ests of keeping an homogeneous dataset, we therefore limited the
data used in this study to the Narval observations only.
In order to correlate the information on the atmospheric dynamics
and the surface magnetism in our dataset to the photometric
variability of R Sct, the visual lightcurve of the star was retrieved
from the AAVSO2 database, and it is presented in Figure 1. The
dates for which Narval observations were collected are marked on
the lightcurve with red and blue vertical lines for circular and linear
polarization, respectively.

During the first part of the monitoring, between April 2014 (HJD
= 2 456 773) and June 2016 (HJD = 2 457 905), the lightcurve
of R Sct appears regular (showing the usual alternation of deep
and shallow minima). However, after this, the next expected deep
minimum appears shallow instead, and after that the periodicity is
lost. It is restored again in June 2019 (HJD 2 458 280). The limits of
the irregular portion of the lightcurve between June 2016 and June
2019 are indicated on Figure 1 with dashed red vertical lines. This
irregular portion within the light curve of R Sct then only concerns
most of the 4th dataset of our monitoring, while the five other
datasets are related to regular portions of the light curve (see Fig. 1).

The photometric period of R Sct, when it is apparent (i.e. outside
the irregular portion of the lightcurve in Fig. 1) is variable from
one cycle to the next one. We find that the average period length in
the first regular part of the observational dataset is 141.50 d, while
in the second one, after the irregular portion, it is 147.33 d. Using
these two period values, and only for Narval observations associated
to the regular parts of the lightcurve (see Fig. 1) we compute the
photometric phase according to the following ephemerids :

q(C) =
C − 2456773.5

141.5
for sets 1, 2 and 3 (1)

q(C) =
C − 2458280.5

147.33
for sets 5 and 6 (2)

We use Equation 1 for the first regular portion of the lightcurve (in
Figure 1: between the red star located at HJD = 2 456 773.5 and
the first vertical dashed red line located at HJD = 2 457 905.5) and
Equation 2 for the second one (in Figure 1: after the second vertical
dashed red line located at HJD = 2 458 280.5). We point out that
the ephemerids are computed so that the deep minimum for each
period corresponds to phase 0 (or to an integer value), which is the
convention for RV Tauri stars.

2 https://www.aavso.org/
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Date HJD Phase Sequences SNR Date HJD Phase Sequences SNR

2014/07/15 6854.5 0.57 1Q,1U,2V 994 2016/10/27 7689.3 6.47 1U 868
2014/07/22 6861.4 0.62 10V 765 2016/10/28 7690.3 6.48 2Q 763
2014/09/01‡ 6902.3 0.91 1Q,1U 1025 2017/04/18 7862.6 7.70 9V 1179
2014/09/02‡ 6903.3 0.92 6V 828 2017/04/20 7864.6 7.71 2U 1333
2014/09/11‡ 6912.3 0.98 1Q,6V,1U 855 2017/04/21 7865.6 7.72 2Q 1340
2015/04/13 7126.6 2.50 3V 1021 2017/08/21‡ 7987.4 – 6V 1162
2015/04/14 7127.6 2.50 1Q,1U 1067 2017/08/22‡ 7988.4 – 2Q 956
2015/04/23 7136.6 2.57 2V 588 2017/09/02 7999.4 – 4Q 753
2015/05/27 7170.5 2.81 3V,1Q,1U 878 2017/09/06 8003.3 – 2Q 1176
2015/06/02 7176.6 2.85 9V 819 2017/09/07 8004.3 – 2U 1650
2015/06/26‡ 7200.5 3.02 2U,2Q,9V 1447 2017/09/08 8005.3 – 3V 1451
2015/08/05 7240.4 3.30 2Q,2U 751 2017/10/02‡ 8029.3 – 2U 982
2015/08/06 7241.9 3.31 16V 751 2017/10/04‡ 8031.3 – 2Q 541
2015/08/10 7245.4 3.34 6V 1010 2017/10/05‡ 8032.3 – 3V 1051
2015/08/26‡ 7261.4 3.45 2Q 637 2017/10/30‡ 8057.3 – 2U 1338
2015/08/28‡ 7263.4 3.46 2U,6V 1234 2017/10/31‡ 8058.2 – 2Q 1121
2015/10/08 7304.3 3.75 1Q,1U 796 2017/11/01‡ 8059.8 – 9V 1134
2015/10/09 7305.3 3.76 6V 796 2018/06/18 8288.5 0.05 2U,2Q 1010
2015/10/29 7325.3 3.90 1Q,1U 950 2018/06/19 8289.5 0.06 3V 761
2015/10/30 7326.3 3.91 5V 1414 2018/07/27 8327.5 0.32 2U,2Q 868
2016/03/17‡ 7465.6 4.89 1U,1Q 883 2018/07/28 8328.5 0.33 3V 1142
2016/05/04 7513.6 5.23 1U,1Q 1262 2018/08/15 8346.5 0.45 2Q,2U 1166
2016/05/15 7524.6 5.31 3V 1044 2018/08/31 8362.4 0.56 2Q,2U 938
2016/05/20 7529.6 5.34 3V 1105 2018/09/08 8370.4 0.61 3V 1227
2016/06/02 7542.6 5.44 1U,1Q 1083 2018/10/24‡ 8416.3 0.92 2Q 840
2016/06/22 7562.5 5.58 1U,1Q 1141 2018/10/25‡ 8417.3 0.93 2U 954
2016/07/12 7582.5 5.72 1U,1Q 1436 2019/06/15 8650.5 2.51 3V,2Q 1090
2016/07/24 7594.4 5.80 3V 1147 2019/06/27 8662.5 2.59 3V 1153
2016/08/03 7604.4 5.87 1U,1Q 1049 2019/07/15 8680.4 2.71 2Q,2U 1338
2016/09/01 7633.3 6.08 1Q,1U 759 2019/07/18 8683.5 2.74 3V 1274
2016/09/24 7656.4 6.24 1Q 717 2019/08/05 8701.5 2.86 2U 1088
2016/09/28 7660.3 6.27 3V,1U 873 2019/08/13 8709.4 2.91 2Q 847
2016/10/03 7665.3 6.30 3V 1103 2019/08/31‡ 8727.4 3.03 6V 755

Table 1. Log of spectropolarimetric observations. Calendar and heliocentric Julian dates (HJD) are given in the first two columns. HJD starts from 2 450 000.
The horizontal lines show the limits of the 6 observational sets described in Section 2.1. The phase (calculated according to Equations 1 or 2) is given in the
third column. The fourth column indicates the number of Stokes &/* /+ sequences collected for each date. The fifth column shows the signal-to-noise ratio
(SNR) of the Narval Stokes � spectra. The SNR is computed per spectral pixel at the center of the echelle order that contains the maximal signal (this typically
corresponds to a wavelength of 731 or 755 nm). When multiple spectra are acquired on a given night, it is the median value of their SNR that is reported in the
table. The dates for which the cool mask is used in LSD are marked with ‡, and for the other dates, the standard mask is used (see Section 2.2).

2.2 Data Analysis

2.2.1 Least Square Deconvolution (LSD)

In order to extract the mean polarization signatures from the data,
we used the LSD method (Donati et al. 1997) on our Narval data.
This method is similiar to cross-correlation and uses a numerical
line mask to average the profiles of thousands of atomic lines,
under the assumption that they have the same shape scaled by a
given factor. The result of the LSD procedure is a mean line profile,
referenced later as the LSD profile, in heliocentric velocity space,
in both full intensity (Stokes I) and polarized light (Stokes Q/U/V).

For a given date, when several spectropolarimetric sequences are
available (see Table 1), we first performed LSD on the individual
sequences, and then combined the obtained results into an averaged
LSD output (displayed and analysed through this paper). We note
that occasionally for some observations the individual sequences
were obtained in two consecutive nights. In these cases we average
together the LSD outputs of the sequences from consecutive nights,
i.e. we consider them as a single observation. Such a combining of
sequences from consecutive nights is necessary to achieve higher
signal-to-noise ratio when using LSD. This is possible in the case

of R Sct because there is no noticeable variability on such short
time-scales (1 day) between the individual sequences (neither in
the intensity spectra, nor in the polarized profiles).

To study the surface magnetic field in R Sct, we applied the LSD
method on the observational data to extract the mean Stokes I

and Stokes U/Q/V profiles of atomic spectral lines. In order to do
this, we first built a line mask computed from a MARCS model
atmosphere (Gustafsson et al. 2008) with parameters compatible
with the known parameters of the star ()eff = 4500 K, log 6 = 0,
microturbulence velocity b = 2 km/s and [Fe/H] = -0.5), and using
atomic linelists extracted from the Vienna Atomic Line Database,
VALD (Kupka et al. 1999). We kept the atomic lines of all chemical
elements except those elements that have lines known to exhibit
emission and/or trace the very high atmosphere (H, He, Ca) and
lines known to be affected by interstellar contamination (e.g., Na
and K). Only lines with a central depth greater than 0.2 of the
level of the continuum were considered in the mask computation.
An example of an LSD output (computed with such a numer-
ical mask gathering about 17 000 atomic lines) is shown in Figure 2.

An LSD profile is normalized by three independent coefficients.
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Figure 1. Visual lightcurve of R Sct from AAVSO. The collected spectropolarimetric observations (see Table 1) are indicated by vertical lines (red and blue lines
for the circular and linear polarization observations, respectively) and the six observational sets are noted. The limits of the irregular interval of photometric
variability (see Section 2.1) are represented by the two dashed red vertical lines. The red star indicates the date selected to be the reference point (i.e. the
beginning of period 0) in the first phase computation (see Equation 1); the reference point in the second phase computation (see Equation 2) corresponds to the
rightest vertical dashed red line, i.e. the date the regularity of the lightcurve is restored.

These are the equivalent wavelength, equivalent depth and equiv-
alent Landé factor (_eff , 3eff and 6eff , respectively). These three
coefficients do not, in general, correspond to the respective mean
values of the wavelength, depth and Landé factor of the atomic
lines used in the LSD procedure. In order to avoid differences
in this normalization when comparing LSD profiles of different
observations (as it is done in this work), in Donati et al. (1997)
two parameters are introduced that are functions of _eff , 3eff and
6eff : a mean intensity weight ,int and a mean polarization weight
,pol. When both of these weights are equal to 1, the resulting LSD
profile does not depend on _eff , 3eff and 6eff . In this paper, all
LSD calculations are performed in this way, with ,int = ,pol = 1,
which allows the comparison of LSD profiles obtained on different
nights of observation.

2.2.2 Atomic line masks

In the course of its photometric variability, R Sct changes signifi-
cantly not only its visual magnitude, but also its spectral type, hence
its effective temperature )eff . From the literature it is known that
during a shallow minimum light and around a maximum luminosity,
the effective temperature of the star is 4500 K (Kipper & Klochkova
2013). However the spectral type changes to a much later one near
a deep minimum light, suggesting different atmospheric conditions
through a lower effective temperature. Our Narval observations
also show that TiO molecular bands appear in the high resolution
spectra of R Sct collected close to a deep minimum light, indicating
a significant decrease in )eff . This means that using a single LSD
mask computed with a unique effective temperature reference
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Figure 2. Example of the LSD profiles (Stokes I, solid black curve, and
Stokes V, solid red curve) for R Sct at the date of 2014/09/02, corresponding
to a definite detection (see Section 2.2.3). The dashed black curve displays
the null diagnostic, that has to stay featureless to confirm the absence of
instrumental effect. The null and Stokes V profiles are shifted vertically
and magnified for display purposes, and their zero level is indicated with
a dashed horizontal line. The mean errorbars of the Stokes � , null and
Stokes + profiles are also shown and labelled.

to treat our whole dataset may not be relevant. A more reliable
result would be obtained if, instead, the observations obtained
around a deep minimum light (hence showing these TiO band
features) are treated using a LSD mask computed for a lower ef-
fective temperature closer to that of the star at this photometric stage.

To estimate the effective temperature of R Sct around a deep
minimum light, we used the code Turbospectrum (Plez 2012;
Alvarez & Plez 1998) to construct a series of synthetic spectra
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Figure 3. TiO 7054 Å (panel "a") and TiO 7589 Å (panel "b") bands in the
spectra of R Sct. For each TiO band, the top subpanel shows two observed
spectra, obtained on 2015/04/23 (corresponding to a shallow minimum)
and 2019/08/31 (corresponding to a deep minimum). The bottom subpanels
show synthetic spectra computed for four different values of )eff .

around two molecular bands of TiO (TiO 7054 Å and TiO 7589
Å) which are detected in the spectra of R Sct during these
specific phases. To construct the synthetic spectra, we used again
linelists extracted from the VALD database and MARCS model
atmospheres computed for 1"⊙ , log 6 = 0.0, b = 2 km/s and )eff
= 4500, 3800, 3600 and 3400 K. We used the built-in procedure
in Turbospectrum to take into account the instrumental profile of
Narval and to introduce the effects of rotational and macroturbulent
velocities. Regarding the latter two velocities, neither value is
known for R Sct, and we assigned to E sin 8 and to Emac the ad

hoc value of 5 km s−1, which is a reasonable value for AGB and
post-AGB stars (Georgiev et al. 2020). It must be noted that there
is no particular reason to pick these exact values, and that they
have no impact on the task at hand. The objective is indeed not to
determine accurate stellar parameters, but instead only to give a
rough estimation of )eff ; for this purpose, any reasonable pair of
these two velocities would suffice.

In Figure 3 we compared the computed synthetic spectra to
two observational spectra of R Sct, obtained on 2015/04/23
(corresponding to a shallow minimum light) and on 2019/08/31
(collected at the exact time of a deep minimum light). It can
be seen from the synthetic spectra that the 7054 Å TiO band
(Figure 3a) begins to develop only at temperatures below 3800 K.
On the other hand, this band is present in the observation collected
around a deep minimum light (solid black line), but not in the one
collected around a shallow minimum light (dashed black line).
This is consistent with the 4500 K estimation Kipper & Klochkova
(2013) obtain for the shallow minimum and maximum phases.
The synthetic spectra also show that this TiO band continues to
develop in both depth and width as temperature decreases until

)eff = 3400 K. Further decreasing the temperature makes the band
more shallow instead. As displayed in Figure 3b, the 7589 Å TiO
band) is again only present in observations obtained around a deep
minimum light (solid black line). In the synthetic spectra, this band
is not present at 4500 K and not even at 3800 K. It begins to develop
only at 3600 K and grows in depth and width as temperature
decreases, reaching noticeable depth in the 3400 K spectrum. We
can draw two firm conclusions from this: 1) around a shallow
minimum light, the effective temperature of R Sct is above 3800 K,
in good agreement with the measurements of Kipper & Klochkova
(2013); 2) around a deep minimum light, the effective temperature
is below 3800 K, since both TiO bands appearing in the spectra
are best described by the synthetic spectra computed for 3400 K
and 3600 K (see Fig. 3), which well matches the M spectral type
expected during times of deep minimum.

For this reason, we decided to perform LSD in the following
manner:

– for all observations in which TiO bands are absent, i.e. all
except those obtained around a deep minimum light - using a mask
computed for )eff = 4500 K (henceforth, the standard mask);

– for the only observations in which TiO bands are
present, i.e. those obtained around a deep minimum light - us-
ing a mask computed for)eff = 3500 K (henceforth, the cool mask).

A last justification for the use of such a cool mask (at deep
minimum phases) is that even if it does not perfectly reflect the
effective temperature of R Sct during a deep minimum light, it
certainly gives a better approximation than the standard mask does.
The other stellar parameters, the standard and cool masks were
computed for, are log 6 = 0.0, microturbulence of 2 km s−1 and
[Fe/H] = -0.5, in agreement with Kipper & Klochkova (2013). The
total number of lines in each of the two masks is approximately
17 000, with the standard mask containing slightly more strong
lines (with a central depth larger than the average) than the cool one.

In Figure 4, a comparison between the LSD profiles obtained with
the standard (in blue) and cool (in red) masks is presented for two
observations obtained around a deep minimum light (2015/08/28
and 2019/08/31). It can be seen that differences are present in the
shape and amplitude of both the Stokes + (upper panels) and the
intensity profiles (bottom panels), which justifies the use of the cool

mask for observations where TiO bands are present in the spectrum.
As we shall see in Section 4, the selection of lines in these LSD
masks can be constrained even further in order to trace only the
contribution of the photosphere (in this work for convenience by
"photosphere" we mean the bottom part of the atmosphere). But
first, in the following section, we infer the atmospheric dynamics of
R Sct along our Narval monitoring (covering about 2 000 days), by
studying spectral indicators.

2.2.3 Detection of polarized signatures

In order to evaluate the presence or lack of signature in the polarized
LSD profile, we used the specpolFlow package3 for treatment of
spectropolarimetric observations. This package provides a routine
for the calculation of the probability that the observed polarized
signal is consistent with the null hypothesis of no magnetic field,
or the false alarm probability (FAP), evaluated from j2. We then

3 https://github.com/folsomcp/specpolFlow
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Figure 4. Comparison between the LSD profiles obtained with the standard

(blue) and cool (red) masks for two observations obtained around a deep
minimum light – 2015/08/28 (left) and 2019/08/31 (right). The upper panels
show the respective Stokes + profiles, while the bottom panels show the
intensity profiles for both observations. The mean errorbars of the Stokes �

and Stokes + profiles are indicated for both masks.

take the calculated value of the FAP and apply to it the criteria
defined by Donati et al. (1997) in order to classify an observation
as a no detection (ND, FAP > 10−2), a marginal detection (MD,
10−2 > FAP > 10−4), or a definite detection (DD, FAP < 10−4).
This detection parameter is provided in column 4 of Table 2.

3 ATMOSPHERIC DYNAMICS

The first qualitative model of the pulsation of the photosphere of
R Sct was introduced by Gillet et al. (1990). From spectroscopic
observations, these authors reported that two shockwaves propagate
throughout the stellar atmosphere along one pulsation cycle. The
first (main) shockwave is found to emerge from the photosphere
just before the phase of deep photometric minimum (set at q = 0).
This main shock is strong and it is supposed to produce a large
elevation of the atmosphere, followed by a subsequent infalling
motion due to the force of gravity (ballistic motion). A secondary
(and weaker) shockwave emerges from the photosphere just
before the occurrence of a shallow photometric minimum around
q = 0.5, while the main shock is vanishing in the upper atmosphere.

This work was extended by Lèbre & Gillet (1991a,b) who investi-
gated the profile variations of selected spectral lines which turned
out to be good indicators of the motions at the photospheric level,
and of ballistic motions taking place in the upper atmosphere.

3.1 Variability of the HU line

In our Narval spectra of R Sct, the HU line shows an emission
component which varies in strength along the photometric phase.
The left panel of Figure 5 shows the profile variation of the HU line
along the observational datasets 2 and 3. We selected these two
sets because they offer the best phase coverage with respectively
15 and 16 different observational dates (representing ∼ 50% of
the total number of observations in our survey of R Sct). Hence
the time variations of dedicated line profiles over several pulsation
cycles covering a large portion of the regular part of the lightcurve
(see Fig. 1 and Tab. 1) can be investigated. In our study, we use the
value of the stellar restframe velocity Erad = 42.47 km/s, recently
derived by Kunder et al. (2017). We shall use this value only as
a reference point to label the components of spectral line profiles

either "blueshifted" or "redshifted" with respect to it.

It can be seen in Fig. 5 that HU shows an emission component
with variable amplitude, which is blueshifted with respect to the
restframe velocity (Erad) of R Sct. HU also shows a variable pro-
file which consists of an absorption component, usually redshifted
with respect to Erad. It can be also seen that the emergence of the
main shockwave from the photosphere (expected around the phase
q = 0) usually results into a strong HU emission component (e.g. on
2015/10/29, before the minimum light occurring on 2015/11/13 and
on 2016/03/17, before the minimum light occurring on 2016/04/02).
This is in agreement with the work of Gillet et al. (1989), who pre-
sented the complex HU profile as a full emission originating from
the front of a radative shock wave, i.e., from a narrow region where
the temperature and pressure conditions are favorable to produce
such an intense emission line; then the cool hydrogen (either static
or relaxing) located above the shock front, introduces an absorption
component to the central and/or redshifted part of the line. The sec-
ondary shock, while weaker than the main one, is also detectable
through an HU emission around the phase q = 0.5 (i.e., around
a shallow photometric minimum). This emission feature then de-
creases until a new intense emission occurs due to the emergence
of a new main and strong shock. A few dates also show a very faint
HU emission (e.g., 2015/06/26 at q = 3.02) or even no emission
at all (e.g., 2016/10/27 at q = 6.47) illustrating the few moments
when the atmosphere is almost homogeneously relaxing in a global
infalling motion.

3.2 Variability of metallic lines

To study the motions of the atmospheric layers of R Sct during
the longest high resolution spectropolarimetric monitoring ever
realized for a post-AGB star, we explore the profile variations of
metallic lines. Schwarzschild (1952) proposed a mechanism to
explain the variations of atomic spectral lines detected in variable
pulsating stars hosting shock waves propagating throughout their
atmosphere. Indeed the passing of a shock wave through the stellar
atmosphere first makes the layers closest to the photosphere move
upwards (towards the observer), thus causing the spectral lines
formed in these layers to be blueshifted; after the shock has passed,
these same layers, as they are relaxing, fall ballistically downwards
(away from the observer), thus causing the spectral lines to be
redshifted. This Schwarzschild’s mechanism also predicts the
possibility for some metallic lines to appear through a double
profile, when the shock is strong enough to decouple two velocity
regions along the same line of sight. In that case, the bottom
part of a large layer of line formation is moving upwards (as
lifted up by the passage of a shock wave) while its upper part,
located above this shock front, is still relaxing. This basic scenario
may be even more complicated in the case of a very extended
atmosphere, where the imprints -on atomic metallic lines- of
two consecutive shockwaves may be present at the same time, as
it has been shown to be the case for R Sct by Lèbre & Gillet (1991b).

In the spectra of R Sct, atomic lines of elements such as Fe and Ti
display profiles that vary with the photometric phase, being either
fully blueshifted, double-peaked or fully redshifted. According to
Lèbre & Gillet (1991a,b), profile variations of FeI line (_ 6569 Å)
and TiI line (_ 5866 Å) are good diagnostics to investigate the pul-
sation motions of their formation regions: the photospheric region,
and the upper atmosphere, respectively. Those lines appear to be
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Figure 5. Time variation of the HU line (left panel), FeI 6569 (middle) and TiI 5866 (right) profiles in the spectra of R Sct during datasets 2 and 3. The red
horizontal line indicates the boundary between set 2 and set 3. Each observation is shifted vertically for display purposes, and its date is indicated on the top left
side, with its phase (computed from Equation 1). The restframe velocity of R Sct is indicated with a vertical dashed line. When observations from consecutive
dates are available, only one date is presented, since no visible difference in the line profile can be appreciated on such a very short time-scale.

free from atomic or molecular blend, even at the coolest phases
along the pulsation cycle.

3.2.1 The lower atmosphere of R Sct

The profile variation of the FeI 6569 Å line during observational
sets 2 and 3 (between April 2015 and October 2016, see Table 1)
is shown in the middle panel of Figure 5. It can be seen from
this figure that this line mostly shows a single gaussian profile
(with the exception of very few dates such as 2016/06/22 and
2016/09/01), either blueshifted or redshifted with respect to

the restframe velocity of R Sct. Following the Schwarzschild
mechanism (Schwarzschild 1952), this corresponds respectively to
phases at which the layer of formation of this atomic line is rising
(for the blueshifted profiles) or falling (for the redshifted ones).
The absence of a clear double-peak profile of the FeI 6569 Å line
in most of the observations shows that the layer in which this line
forms is very narrow and thus is affected only by a single global
motion (upward or downward) at any given time. Lèbre & Gillet
(1991a) showed that the FeI 6569 Å line is formed in a narrow
region close to the photosphere, this line can thus be used to trace
the motion of the photosphere, and hence the periodic emergence
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Figure 6. An example of a gaussian fit (in red) to the FeI 6569 Å line in the
spectrum of R Sct obtained on 2018/07/27 (in black).
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Figure 7. Radial velocity curve of the near-photospheric layers of the atmo-
sphere of R Sct obtained from gaussian fits on the FeI 6569 Å line. Points
obtained from set 2 and from set 3 are displayed with different colored
symbols.

of shockwaves.

In order to trace the emergence of shockwaves through the photo-
sphere of R Sct, the radial velocity curve of the FeI 6569 Å line was
constructed by fitting its profile with a gaussian function in the spec-
tra of R Sct obtained during observational sets 2 and 3. An example
fit is shown in Figure 6 for the observation taken on 2018/07/27.
The radial velocity curve is shown in Figure 7. In this figure, a
regular global motion (up and down) of the explored photospheric
region is clearly seen. It can be noticed that there are indeed two
upward accelerations per photometric period, found around phases
q = 0 and q = 0.5, which correspond respectively to the times of
deep and shallow photometric minima, confirming the results of
Gillet et al. (1989). The observed dispersion in the radial velocity
curve most likely corresponds to cycle-to-cycle variations, as the
intensity of the shocks is probably different for one cycle to the other.

3.2.2 The upper atmosphere of R Sct

Lèbre & Gillet (1991a) showed that the TiI 5866 Å line is formed in
the upper atmosphere of R Sct, as this line appears more perturbed
by ballistic motions along a pulsation cycle. The time variability of
the profile of this spectral line during sets 2 and 3 is shown in the

right panel of Figure 5. We see that the behavior of this line profile
is indeed very different from that of the FeI 6569 Å one: complex
and strongly variable profiles, both single and double-peaked, are
observed on different dates. Following the Schwarzschild mecha-
nism, since for some phases we can report double-peaked profiles
(e.g. on 2015/08/26, 2016/05/15, 2017/10/05), this suggests that
the TiI 5866 Å line is formed in a large geometric layer of the
upper atmosphere that can be affected - at a given date - by more
than one dynamics (i.e, upward and downward motions within the
considered thick layer). At the dates double line profiles are re-
ported, at least two different dynamics are thus present within this
extended atmospheric layer, resulting from the outward propagation
of a shockwave. On the contrary very few dates (e.g. on 2015/08/05,
2016/03/17) present the TiI 5866 Å line through a single gaussian
profile (blueshifted and redshifted, respectively) suggesting the at-
mospheric layer is affected by a global motion.

3.3 Atmospheric dynamics: summary

The analysis of the variability of the HU and FeI 6569 Å line profiles
(however limited to data from set 2 and set 3) confirms the results of
Gillet et al. (1989), who found that two shockwaves per photometric
period emerge from the photosphere of R Sct around the deep
and shallow photometric light minima (or, equivalently, just before
phases q = 0 and q = 0.5). Considering also the TiI 5866 Å line
variability, it is obvious that spectral lines originating from layers
of different altitudes and different thickness are also affected by
the propagating shockwaves in different ways: "photospheric" lines
(i.e. lines which form in a very narrow region near the photosphere,
such as the FeI 6569 Å line) always point to a single global motion
– upward or downward – when affected by the passing of a new
shockwave, and also indicate the moment at which such a shock
emerges from the photosphere; lines which form in wider regions
of the atmosphere (such as the TiI 5866 Å line), on the oher hand,
may trace more than one dynamics, depending on the location of
the shockwave.

4 THE SURFACE MAGNETIC FIELD

4.1 A refined approach

The LSD Stokes + profiles computation described in Section 2.2 is
undertaken along the "classical" way when studying surface mag-
netic fields using high resolution spectropolarimetry. However, be-
fore going any further in our analysis, we must consider that this
usual approach may not be the best one to use in the case of stars
hosting strong pulsations and shockwaves propagating in their at-
mospheres, such as R Sct. These stars have indeed very extended
atmospheres and, at a given time, different atmospheric layers might
be affected by very different dynamics. This is precisely what has
been illustrated through the investigation of the FeI 6569 Å and TiI
5866 Å lines in Section 2.2.2. Thus, an LSD line mask computed
without considering the conditions under which spectral lines form
(like the standard and cool masks involved in Section 2.2.2) will
surely mix together information from very different altitudes with
various physical conditions, surely affected, at any given moment in
time, by different dynamics. This means that the use of line masks
described in Section 2.2.2 would yield LSD profiles combining the
full complexity of the atmospheric motions, which may however be
different for the photospheric region and for the upper atmosphere.
Because our objective is to study the surface magnetic field (i.e.
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its condition at the level of the photosphere), introducing informa-
tion from the higher atmosphere is certainly not the best approach.
Hence, new LSD masks have to be constructed based on a refined
method for lines selection.

4.2 Lines selection by excitation potential

The higher the excitation potential (j) of atomic lines is, the less
extended their zone of formation in the stellar atmosphere is. In
particular, lines with large j can only be formed in a thin layer near
the photosphere. This narrow region is expected to be affected, at
any given moment in time, by only one dynamical effect: an upward
global motion due to the presence of a shock wave passing through
it, or a downward global motion due to the relaxation of this layer
after the passage of such a shock. For example, the FeI 6569 Å line,
which was shown in Section 3.2.1 to be formed only in a narrow
region near the photosphere of R Sct, has an excitation potential of
4.7 eV (according to the VALD data). On the other hand, lines which
have a low excitation potential can be formed under a wider variety
of conditions, met both at the photospheric layers and also at higher
altitudes. These lines are thus expected to combine the complexity
of a large portion of the stellar atmosphere, which may contain
layers affected by different dynamics – upward and downward
motions. For example, the TiI 5866 Å, shown in Section 3.2.2
to be formed in an extended region of the atmosphere of R Sct,
has an excitation potential of 1.06 eV (according to the VALD data).

This effect is observed for all lines with similar excitation potentials,
but in the case of cool stars, it can be illustrated for only a handful
of metallic lines, which are not affected by molecular veiling, or
through a cross-correlation profile, as done by Alvarez et al. (2000)
for Mira stars and by Josselin & Plez (2007) for red supergiant stars.

This physical scenario is presented schematically in Figure 8. In
the upper panel of this figure, a schematic representation of the
atmosphere of R Sct is shown (not up to scale). Periodically, a
shockwave emerges from the photosphere. The narrow region
just above the photosphere is affected by the shock and moves
in a global upward motion. The higher atmosphere however is
not yet affected by this shock; instead, it is moving down, falling
ballistically after having been lifted in the past by a previous
shockwave. An LSD mask jhigh which contains only lines with
excitation potential high enough to probe only the atmospheric
layers lying close to the photosphere would hence yield an LSD
profile showing a fully blueshifted intensity profile, since all these
layers are globally moving away from the star. If there is a surface
magnetic field above the detection threshold, the LSD profile
would also show a Stokes + signature associated to the blueshifted
intensity profile (see bottom panel in Fig. 8).

On the other hand, an LSD mask jlow containing lines with lower
excitation potential which may be formed at any altitude in the
atmosphere of the star would probe both the photosphere and
the higher atmosphere: it would yield an LSD profile containing
a mixture of information from both the layers adjacent to the
photosphere (which are moving globally upwards) and the higher
layers of the atmosphere (which are moving globally downwards as
they are relaxing after the passage of a previous shock). This means
that the intensity profile will present a double peak according to
the Schwarzschild mechanism. On the contrary, as the intensity of
the magnetic field decreases with altitude, a magnetic field above
the detection threshold will be only observed in deep/photospheric

layers, and thus associated with the blueshifted component of the
Stokes � profile. Using a mask containing lines predominantly
formed in the higher layers will dilute the signal and thus lead to
Stokes + signature with a lower amplitude than the one obtained
using the jhigh mask. Finally, an LSD line mask which contains all
atomic lines regardless of their excitation potential (i.e. containing
all the lines in both the jhigh and jlow masks) would produce
an LSD profile similar to the one shown in black in the bottom
panel of Fig. 8: containing information predominantly from the
near-photospheric layer, since both the high- and low excitation
potential lines trace the conditions in it, but also information
from the higher atmosphere, which is not relevant when studying
magnetism and dynamics at the photospheric level. A detailed
study on the dependency of the depth of line formation on excitation
potential is presented in Josselin & Plez (2007) (more specifically
their Section 3.1).

To examine the impact lines with different excitation potential have
on the LSD profiles, we performed a test by splitting the standard

LSD mask into two sub-masks: one with j < 2 eV (7903 lines)
and one with j ≥ 2 eV (9031 lines). These masks will hereafter be
referred to respectively as jstandard

low and jstandard
high . We picked 2 eV

to be the separation limit because this value had to be high enough
to successfully restrict the LSD process to the near-photospheric
layers of the atmosphere and at the same time low enough to
allow for a sufficient number of lines in the mask, in order to get
Stokes + signatures with high SNR. We then applied the LSD
method using both sub-masks to the observations obtained outside
a deep minimum light and compared the results. We did the same
for observations collected around deep minimum light but treated
with the cool mask instead. An example of this comparison is
shown in Figure 9. In this figure, it can be seen that the Stokes �

profiles obtained with the jstandard
low and jstandard

high sub-masks have
completely different shapes, showing that indeed the lines used for
their construction probe layers of the atmosphere with different
extent, and which are also affected by different dynamics, and thus
should be mixed together only with great caution. It can also be
seen in Figure 9 that the lines with higher excitation potential,
which are expected to trace – at a given moment in time– only one
atmospheric dynamics at the photospheric level, show a stronger
degree of circular polarization. Their associated V-signal is also
blueshifted, and it appears to be linked to the blue-component of
the I-profile. While for some observations the jstandard

high sub-mask

yields LSD profiles with clear Stokes + signatures, the jstandard
low

sub-mask never produces any LSD profiles with a signature
in Stokes + . From this figure, one can appreciate the level of
contamination low excitation potential lines introduce to the signal
originating from the photosphere.

The Stokes � and Stokes + profiles obtained using the jstandard
high

sub-mask are similar in shape to the ones obtained using the full
standard mask. This is in agreement with the scenario presented
in Figure 8, since it shows that while both lines with low and high
excitation potentials (which together constitute the full standard

LSD mask) trace the photospheric layer, only the higher excitation
potential ones are limited strictly to it, while lines with lower j also
contain information from higher atmospheric layers (and hence
unrelated to the surface magnetic field). It must be noted that the
LSD profiles we obtain using the jlow submasks (both standard

and cool) show no trace of Stokes + signatures in any observation.
This means that the extended atmosphere of R Sct (probed by low

MNRAS 000, 1–16 (2022)



10 S. Georgiev et al.
St
ok
es
 V

χhigh
χlow
Full mask

Wavelength

St
ok
es
 I

Figure 8. Upper panel: a schematic representation (not up to scale) of two
global motions in the atmosphere of R Sct – an upward one in the near-
photospheric layers, caused by the passing of a radiative shockwave, and a
downward one in the higher atmosphere, caused by the gravitational infall
occuring after the propagation of a previous shockwave. Bottom panel: a
sketch of the LSD profiles that are expected to be obtained using a mask that
is restricted to lines with high j which probe only the near-photospheric
layers of the atmosphere (purple), low j which probe the same layers plus
the higher atmosphere (green), and a mask which contains a mixture of both
(black).
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Figure 9. Comparison between the LSD profiles obtained with the jstandard
low

(containing 7903 lines, in green), jstandard
high (containing 9031 lines, in pur-

ple) and full standard (containing 16934 lines, in black) line masks for
2014/07/22 (left column), 2016/05/20 (middle column) and 2019/06/15
(right column). The Stokes + and intensity profiles are shown in the top and
bottom rows respectively. The zero-level of the Stokes + and the continuum
level of the intensity are indicated by the dashed horizontal lines in their
corresponding panels, and the radial velocity of R Sct is indicated by the
dashed vertical line.

excitation potential lines) as a whole does not show traces of a
magnetic field, but only its bottom layers (probed by high excitation
potential lines) do, which is a further justification of the restriction
j ≥ 2 eV we use in our LSD analysis.

From what is seen in Figure 9, it can also be concluded that while

the photospheric layers of R Sct show traces of a variable magnetic
field, the atmosphere of the star as a whole (represented by the
jstandard

low sub-mask) does not. Furthermore, for the observations

where the jstandard
high one shows clear Stokes + signatures, the LSD

profiles obtained with the jstandard
low sub-mask remain featureless.

One possible reason for this may be a dilution effect of the magnetic
field in the upper atmosphere. Whatever the reason for it may
be, the lack of Stokes + signatures in the LSD profiles obtained
from lines with low excitation potential is a proof that mixing
together atomic lines formed in different atmospheric layers can
have a serious impact when investigating surface magnetism in
pulsating stars hosting extended atmospheres wherein shockwaves
propagate. The valuable result from this new approach for the
analysis of the surface magnetic field is then a better definition of
the Stokes+ profiles which originate at the level of the photosphere.

Considering what has been said so far, the jstandard
high sub-mask ap-

pears to be a better choice when analysing the magnetic field at the
surface level. The exact same logic applies to the observations ob-
tained near a deep minimum light, for which we constructed a jcool

high
mask by extracting from the cool mask the lines with j ≥ 2 eV.

4.3 The origin of circular polarization

Using respectively the jstandard
high or jcool

high mask, we applied this
refined LSD method to the Narval observations of R Sct in circular
polarization in order to extract the mean polarized signatures
(Stokes V profiles). The resulting LSD profiles are shown in
Figure 10 and discussed in Section 4.4. When present, the mean
Stokes + signatures are typically weak, of the order of 5× 10−5 the
intensity of the unpolarized continuum. Clear Stokes + signatures
are found for example in July and September 2014, in April and
August 2015, in May 2016 and in June 2018. In some observations
however, there is no trace of a Stokes + signature, for example in
September 2016 and in April and August 2017.

Since we are dealing with faint polarized signatures obtained
with Narval, an effect that must be taken into consideration is
cross-talk, or the contamination of circular polarization by linear
polarization and vice versa. In practice, this effect is most notable
in stars that have strong net linear polarization and weak circular
polarization in their spectrum (as it is the case for R Sct, see
Section 5). The cross-talk on Narval has been measured from
regular observations of the Ap star W Equ. It has been estimated
to be of the order of 3% from 2009 observations (Silvester 2012),
and stabilized below 1.5% from 2016 observations (Mathias et al.
2018). Furthermore, Tessore et al. (2017) performed a dedicated
observational procedure on the red supergiant ` Cep (exhibit-
ing Stokes U&Q signatures stronger than Stokes V signals).
From 2015 to 2017 observations, these authors could model
the cross-talk, and they obtained respectively 3.6% and 1.4%,
for & to + and * to + , i.e. a cross-talk level consistent with
the one obtained from the Ap star W Equ (those results also
confirmed the cross talk reciprocity between linear and circular
polarization signals). So in the epoch of our R Sct observations
(2014-2019), we can safely consider the cross-talk level of Narval
(from linear to circular, and reciprocally) was at most of the order
of 3%. In the following, we have considered a cross-talk level of 3%.

In order to check if the Stokes + signatures observed in R Sct may
be due to cross-talk from linear polarization, we compared the
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Figure 10. LSD profiles of R Sct in circular polarization using only atomic lines with j ≥ 2 eV. The Stokes � , null and Stokes + profiles of the observations
are stacked vertically in the left, middle and right column, respectively, with the date phase and detection type indicated just above their corresponding Stokes �
profile. Observations treated with the cool mask are noted with a symbol (*). The signal (in Stokes � , null and Stokes + ) within the interval of computation
of the longitudinal magnetic field is colored in red. In each panel, the radial velocity of the star Erad = 42.47 km s−1 (Kunder et al. 2017) is indicated with a
dashed vertical gray line.

Stokes*, & and + LSD profiles obtained on 2014/09/01-02. These
exact observations were used because 1) they all show strong and
clear signatures in their respective Stokes parameter, and 2) they
were made very close in time to each other. This comparison is
shown in Figure 11, where the Stokes + signal is amplified 10
times in order to be more easily comparable to the much stronger
*&& signals. In this figure, we also show the maximum expected
level of cross-talk contribution from both the Stokes & (in dashed
blue) and * (in dashed red), which is below the level of the

Stokes + signature observed. This shows that the observed circular
polarization signal cannot be due to cross-talk, and must instead be
of stellar origin.

To test if the Stokes + signal found in the LSD profiles of R Sct
is due to the Zeeman effect, we performed three tests using LSD
with different line masks, as it has been proposed by Mathias et al.
(2018). The tests aimed to check if:
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(i) Spectral lines with high effective Landé factors (6eff ) show
stronger Stokes + signatures than those with low 6eff ;

(ii) Strong lines (ones that have a central depth larger than the
average) show stronger Stokes + signatures than weak ones do;

(iii) Spectral lines formed at longer wavelengths show stronger
Stokes + signatures than those formed at shorter wavelengths.

To perform the first test, each of the two line masks (jstandard
high and

jcool
high) was split into two sub-masks of high and low 6eff using

the median value 6eff = 1.2 as the limit. For the observations
where a Stokes + signature was already found using respectively
the jstandard

high or jcool
high mask, we applied the LSD process using the

respective sub-masks for high and low 6eff and then compared the
results. We found that the degree of circular polarization is indeed
stronger for lines with high 6eff . We performed the other two tests
in a similar manner, using the median values of line depth (0.66)
and wavelength (446 nm) as limits. The line depth test also showed
that strong lines are more strongly polarized in Stokes + than weak
ones, which according to Mathias et al. (2018) favours the Zeeman
origin of the circularly polarized signal. However, the wavelength
test was inconclusive as it did not yield any well-defined circularly
polarized signatures. Examples of the results of the tests are shown
in Figure 12.

Based on these results and considering that the circularly polarized
signals are of stellar origin, we conclude that the observed Stokes+
profiles are of Zeeman origin and that they indicate the presence of
a surface magnetic field in R Sct.

4.4 Magnetism at the photospheric level

To constrain the analysis of the LSD profiles, and more specifically,
the Stokes + signatures, to the level of the photosphere, we
computed the LSD profiles for the Narval observations in circular
polarization using the jstandard

high and jcool
high masks, the latter being

used for the observations obtained close to a deep minimum where
TiO bands are present in the spectra. These masks were built as
described in Section 4.2 and the resulting LSD profiles are shown
in Figure 10. Generally, the LSD profiles obtained for j ≥ 2 eV
resemble those obtained using the full standard and cool masks.
The Stokes + profiles obtained by using only high excitation
potential lines however are more well-defined. This result is in
agreement with the assumption of the zones of formation described
in Section 4.2. It also shows that the magnetic field at the surface
level differs from that in the higher atmosphere, otherwise the
Stokes + profiles presented in Figure 10 and the ones we obtain
with the full line masks would be identical (see Fig. 9). For some
particular dates (2015/08/28, 2016/05/20) it is also possible to
notice a signature when using the jhigh masks, while it is not
apparent with the full ones. In Figure 10 it can be seen that for
some observations (e.g. 2014/07/22, 2016/05/20) where the LSD
intensity profile shows a double-peak structure, the Stokes +

signature is clearly only associated to the blueshifted lobe. We
propose that this magnetic field detection may be indeed associated
to an ascending global motion of the photosphere caused by a
radiative shock wave propagating outwards. As previous studies of
cool pulsating stars by Lèbre et al. (2015) and Sabin et al. (2015)
have suggested, the propagation of a shock wave may locally
amplify a weak surface magnetic field due to a compression of the
magnetic field lines.

The fact that in Figure 10 a few observations still show a double-
peak Stokes � profile (e.g., 2017/04/18 and 2017/09/08) indicates
that the jhigh mask does not fully constrain the LSD process to
the near-photospheric layers (otherwise all LSD intensity profiles
would have the shape of a single gaussian). This most likely
means that the 2 eV limit may be too low, and a higher threshold
is necessary in order to fully isolate the contribution of the
near-photospheric layers in the computation of the LSD profiles.
However, setting the excitation potential limit higher would further
limit the number of lines in the mask, which would in turn decrease
the SNR of the LSD profiles.

From Figure 10, a rough estimation can be made of the typical
time-scale of Stokes + variability. Let us consider the data from
2015 (set 2). There, a signal appears to be present in the beginning
of April, which is not visible in May and June. It then reappears
in August and vanishes again in October. From this variation, a
rough time-scale of 2-3 months can be deduced, which is similar
to the shock apparition time-scale (whatever main or secondary
shock). This 2-3 month time-scale does not contradict the rest of
the whole dataset: for example the two observations of September
2014 show that the Stokes + signal may persist for at least one
week. On the other hand, the signal obviously changes quicker than
on time-scales ≥ 1 yr.

From the LSD profiles shown in Figure 10, we computed the
longitudinal component �; using the specpolFlow package that
uses the first order moment method (Donati et al. 1997). For those
observations that show a double-peak Stokes � profile, the velocity
range of the �; computation was limited so that only the blue
peak is selected. The velocity range of �; calculation for each
observation can be seen in red in Figure 10. The resulting �;
values, along with their error of estimation, are presented in Table 2.

The temporal evolution of the longitudinal magnetic field �; (C) is
presented in Figure 13 together with the visual lightcurve. It can be
seen in this figure that the strength of the longitudinal magnetic field
varies in time. Looking back at Figure 10, it can also be seen that
the Stokes+ profiles vary in position relative to the intensity profile.

The first half of the dataset, before the irregular portion of the
lightcurve (delimited by the dashed red vertical lines in Figure 1),
contains 20 observations, of which 11 show a detection in Stokes +
(6 of which are definite). The �; varies roughly between -1.8 G
(2014/09/11) and 1.2 G (2015/04/23) in this first part of the
observational dataset. For 3 dates – 2014/07/22, 2015/08/06,
2016/05/20 – the Stokes + signature appears to be associated only
to the blueshifted lobe of the intensity profile. During the irregular
part of the lightcurve, none of the 4 available observations show
a clear polarized signature in Stokes + , except for a marginal
detection on 2017/11/01. In the last part of the dataset, after the
irregular portion of the lightcurve, only 2 out of 7 observations
show signatures in Stokes + : 2018/06/19 (MD) and 2019/07/18
(DD). Some of these results should however be considered with
caution. Indeed, the standard FAP analysis may be inappropriate
for weak signals such as those considered here. As recalled by
Vio et al. (2017), "it does not provide the probability that a given
detection is spurious but rather the probability that a generic peak
due to the noise in the filtered signal can exceed, by chance, a
fixed detection threshold.". For example, the "non-detection" on
2019/08/31 may be regarded by naked-eye inspection as a tentative
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Figure 11. LSD profiles of R Sct: Stokes & (solid blue) and * (solid red), obtained on 2014/09/01, and Stokes + (solid black, magnified 10 times) obtained
on 2014/09/02. The horizontal dashed blue and red lines indicate the maximum expected level of pollution due to crosstalk by the Stokes & and * signal,
respectively, which corresponds to 3% of the maximum signal. This 3% level is also magnified 10 times in the figure in order to compensate the magnification
of the Stokes + signal. It can be seen that the circularly polarized profile is above the maximum expected crosstalk level, with the three peaks at 28, 40 and 45
km/s being respectively 1.6, 2.1 and 1.5 times above it, ruling out the possibility that the Stokes + signal is measured due to crosstalk from linear polarization.

detection.

For those observations where the Stokes � LSD profile has a double-
peak profile and a Stokes + signature is present, the latter is always
associated to the blueshifted component of the Stokes � profile.
This suggests that the detected magnetic field is associated to the
material being lifted upwards by the passing shockwave, in support
of the hypothesis that the magnetic field lines are being compressed
in the shock front, which locally amplifies the surface magnetic
field. However, no clear correlation exists between the longitudinal
magnetic field strength and the photometric phase of the star. This
suggests that the observed variability of the longitudinal magnetic
field is not uniquely due to amplification caused by the propagation
of shockwaves, but is also a product of a non-homogeneous and
variable magnetic structure at the surface level of the star.

5 LINEAR POLARIZATION

We computed the LSD profiles of the Narval observations in linear
polarization listed in Table 1 using the full standard and cool

masks as described in Section 2.2 (without discriminating atomic
lines by their excitation potential). We find clear linearly polarized
signatures in almost all of our Narval observations, confirming the
first detection of such profiles reported previously by Lèbre et al.
(2015). When present, these signatures usually have amplitudes of
about 1 – 2 ×10−4 of the level of the unpolarized continuum (about
10 times stronger than the observed Stokes + signatures). A few
examples of the obtained LSD profiles are presented in Figure 14.
In this figure, Stokes & and * signatures which vary in both shape
and amplitude can be appreciated. It can also be seen that the

signatures vary in position with respect to the Stokes � profile. For
example, on 2014/09/01 the signal appears more or less centered
on the Stokes � profile, while on 2015/10/08 it appears redshifted,
and on 2016/06/22 it is blueshifted.

Net linear polarization within atomic spectral lines has been dis-
covered in red supergiant (RSG) stars. For example, Aurière et al.
(2016) have detected the presence of Stokes & & * signatures in
the spectrum of Betelgeuse, and have shown that the origin of these
signatures is depolarization of the continuum in the spectral lines.
According to these authors, this is possible due to the presence
of surface brightness inhomogeneities in Betelgeuse, which they
suspect to be giant convective cells.

Linearly polarized signatures have also been detected by Lèbre et al.
(2014) in another cool evolved low mass star which is known to
host strong pulsations, the Mira variable j Cyg. López Ariste et al.
(2019) showed that the Stokes & & * spectra of j Cyg is domi-
nated by intrinsic polarization, with only a negligible contribution
from continuum depolarization. López Ariste et al. (2019) also
demonstrated that the linear polarization in j Cyg can only be
explained by asymmetric velocity fields caused by the shocks,
which locally enhance the Stokes & & * signatures.

The origin of linear polarization in the spectrum of R Sct may or
may not be similar to that of j Cyg or Betelgeuse. Further insight on
the nature of linear polarization in R Sct may be gained by detailed
inspection of the polarized signal found in individual spectral lines,
such as, for example, the sodium D-doublet (see e.g. Stenflo 1996).
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Figure 12. Comparison of a sample of LSD profiles of R Sct computed with different sub-masks to test (through the Landé factor 6eff , line depth and wavelength
in the left, middle and right column, respectively) the Zeeman origin of the Stokes + signal (see Section 4.3). Each column represents Stokes + profiles
computed with three different pairs of submasks for a single date of observation: 2014/07/22 is obtained just after a maximum visual brightness, 2014/09/02
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Erad = 42.47 km s−1 (Kunder et al. 2017) is indicated with a dashed vertical gray line. The Stokes + profiles are shifted vertically and amplified 1500 times
for display purposes, and their zero-level is indicated with a horizontal dashed gray line.

In the present work, the linearly polarized LSD profiles are only
used in order to check for cross-talk between linear and circular
polarization in the available Narval observations (see Section 4.3),
in order to confirm the stellar origin of the Stokes + signal. The
analysis of the Stokes & and * profiles of R Sct, and their origin, is
to be done in a future study not in the scope of this paper.

6 SUMMARY

In this work, the longest monitoring of the RV Tauri variable star
R Sct ever performed using high resolution spectropolarimetry is
presented. Circular polarization signatures are detected in several
observations and their stellar and Zeeman origin is confirmed. The
time-scale of variation of these signatures appears to be of a few
months, similar to the time-scale of the stellar pulsation. The differ-
ences between the dynamics of the lower (near-photospheric) and
upper layers of the extended atmosphere of R Sct are presented.
These differences introduce the need for a refined approach for the
application of the LSD method when investigating the presence of a
magnetic field at the stellar surface. Such an approach is suggested
and applied to the observational dataset. LSD profiles constructed
from lines formed mostly in the near-photospheric layers of the
atmosphere are produced, and from their Stokes + signatures, the
longitudinal magnetic field is measured. When the Stokes � LSD
profile shows a double-peak profile, the Stokes + signature, when
present, appears to be always associated to its blueshifted lobe, sug-
gesting a connection between the shockwave propagating outwards
from the photosphere and the detection of a surface magnetic field,

perhaps due to compression of magnetic field lines in the shock
front.
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Date HJD Phase Detection �; [G] f [G]
(j ≥ 2 eV) (j ≥ 2 eV) (j ≥ 2 eV)

2014/07/15 6854.5 0.57 MD -1.41 1.28
2014/07/22 6861.4 0.62 DD -0.56 0.36
2014/09/02‡ 6903.3 0.92 DD -0.48 0.56
2014/09/11‡ 6912.3 0.98 DD -1.84 0.71
2015/04/13 7126.6 2.50 ND -0.18 0.52
2015/04/23 7136.6 2.57 DD 1.18 0.65
2015/05/27 7170.5 2.81 ND -0.20 0.50
2015/06/02 7176.6 2.85 DD 0.20 0.29
2015/06/26‡ 7200.5 3.02 ND -0.08 0.37
2015/08/06 7241.9 3.31 MD -0.57 0.46
2015/08/10 7245.4 3.34 MD 1.01 0.60
2015/08/28‡ 7263.4 3.46 MD -1.55 0.84
2015/10/09 7305.3 3.76 ND 0.11 0.35
2015/10/30 7326.3 3.91 ND 0.61 0.49
2016/05/15 7524.6 5.31 ND 0.39 0.43
2016/05/20 7529.6 5.34 DD 0.55 0.53
2016/07/24 7594.4 5.80 ND 0.45 0.29
2016/09/28 7660.3 6.27 ND 0.32 0.69
2016/10/03 7665.3 6.30 ND 0.90 0.76
2017/04/18 7862.6 7.70 MD 0.45 0.52
2017/08/21‡ 7987.4 – ND -0.53 0.58
2017/09/08 8005.3 – ND 0.70 1.30
2017/10/05‡ 8032.3 – ND 0.11 1.24
2017/11/01‡ 8059.8 – MD 3.21 1.31
2018/06/19 8289.5 0.06 MD -2.91 1.46
2018/07/28 8328.5 0.33 ND 0.89 0.59
2018/09/08 8370.4 0.61 ND 0.37 0.91
2019/06/15 8650.5 2.51 ND 0.76 0.78
2019/06/27 8662.5 2.59 ND -0.22 0.76
2019/07/18 8683.5 2.74 DD -1.58 0.35
2019/08/31‡ 8727.4 3.03 ND -2.83 1.28

Table 2. Log of Stokes + observations and associated �; values. Calendar
and heliocentric Julian dates (HJD) are given in the first two columns. HJD
starts from 2 450 000. The third column lists the phase calculated from
Equations 1 and 2. The fourth column indicates the type of detection :
definite detection (DD), marginal detection (MD) or no detection (ND) (see
Section 2.2.3). The last two columns present the �; value and its errorbar,
both computed from the jhigh LSD profiles. The dates for which the jcool

high

mask is used are indicated with the symbol ‡, and for the rest, the jstandard
high

mask is used (see Section 2.2).
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Abstract

We simultaneously measured the spatially-resolved CO-to-H2 conversion factor (αCO) and

dust-to-gas ratio (DGR) in nearby galaxies on a kiloparsec scale. In this study, we used

12CO(J = 1− 0) data obtained by the Nobeyama 45-m radio telescope with Hi and dust mass

surface densities. We obtained the values of global αCO and DGR in 22 nearby spiral galax-

ies, with averages of 2.66 ± 1.36 M� pc−2 (K km s−1)−1and 0.0052 ± 0.0026, respectively.

Furthermore, the radial variations of αCO and DGR in four barred spiral galaxies (IC 342,

NGC 3627, NGC 5236, and NGC 6946) were obtained by dividing them into the inner and

outer regions with a boundary of 0.2R25, where R25 is the isophotal radius at 25 mag arcsec−2

in the B band. The averages of αCO and DGR in the inner region (≤ 0.2R25) are 0.36± 0.08

M� pc−2 (K km s−1)−1 and 0.0199 ± 0.0058, while those in the outer region (> 0.2R25) are

1.49± 0.76 M� pc−2 (K km s−1)−1 and 0.0084± 0.0037, respectively. The value of αCO in the

outer region is 2.3 to 5.3 times larger than that of the inner region. When separated into the

inner and outer regions, we find that αCO and DGR correlate with the metallicity and the star

formation rate surface density. The value of αCO derived in this study tends to be smaller

than those obtained in previous studies for the Milky Way and nearby star-forming galaxies.

This fact can be attributed to our measurements being biased toward the inner region; we

measured αCO at 0.85 and 0.76 times smaller in radius than the previous works for nearby

star-forming galaxies and the Milky Way, respectively.

Key words: galaxies: spiral — galaxies: ISM — radio lines: galaxies — dust, extinction — ISM:

molecules
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1 Introduction

Stars are formed in dense and cold molecular clouds, which mainly consist of molecular hydrogen

(H2). It is important to measure the precise amount and distribution of H2 gas to understand

star formation in galaxies. However, H2 molecules cannot emit line emission at the low temper-

ature of molecular clouds, ∼10 K, because they do not have permanent dipole moments. This

indicates that H2 molecules in molecular clouds cannot be directly observed. Carbon monoxide

(CO) is the most common tracer of H2 gas mass in molecular clouds. 12CO(J = 1− 0) is easily

excited in molecular clouds by frequent collisions with H2 molecules because the energy gap of

12CO rotational transition between J = 0 to J = 1 is low (∆E/kB ∼ 5.5 K, where ∆E is the

energy gap between J = 0 to J = 1 and kB is the Boltzmann constant). Thus, 12CO(J = 1− 0)

emission is widely used as a cold H2 gas tracer. The H2 column density (NH2) is often de-

rived from the integrated intensity of 12CO(J = 1− 0) (ICO) by using the empirical CO-to-H2

conversion factor (XCO) with the following equation:(
NH2

cm−2

)
=

[
XCO

cm−2 (K km s−1)−1

]
×
[

ICO

K km s−1

]
. (1)

The mass surface density of molecular gas (Σmol) is also derived using the CO-to-H2 conversion

factor of αCO including a factor of 1.36 for helium using the following equations:(
Σmol

M� pc−2

)
=

[
αCO

M� pc−2 (K km s−1)−1

]
×
[

ICO

K km s−1

]
. (2)

The measurements of αCO or XCO in galaxies are necessary to estimate accurate molecular gas

mass and understand star formation in galaxies.

The Galactic conversion factor αCO(MW) = 4.35 M� pc−2 (K km s−1)−1 or XCO(MW) =

2.0× 1020 cm−2 (K km s−1)−1 (e.g., Bolatto, Wolfire & Leroy 2013) has been widely used to

estimate the molecular gas mass of galaxies. On the other hand, studies have reported that

αCO depends on various properties of the interstellar medium (ISM). For example, the CO-to-

H2 conversion factor in galaxies with low metallicity tends to be larger than that with high

metallicity (e.g., Arimoto, Sofue & Tsujimoto 1996, Gratier et al. 2010, Leroy et al. 2011,

Narayanan et al. 2012). Ultra-luminous infrared galaxies and merger galaxies with active star

formation tend to have a lower CO-to-H2 conversion factor than the galactic value (e.g., Downes

& Solomon 1998, Narayanan et al. 2011, Papadopoulos et al. 2012). These studies suggest that

αCO would be different among galaxies and within a galaxy depending on the physical properties

of the ISM or local environments within a galaxy. Therefore, spatially-resolved CO mapping

data of various galaxies is essential to investigate the variety of αCO among different galaxies

and within a particular galaxy.
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Sandstrom et al. (2013) (hereafter S13) statistically investigated αCO in 26 nearby star-

forming galaxies using the data of HERA CO-Line Extragalactic Survey (HERACLES, Leroy

et al. 2009), which was the 12CO(J = 2−1) mapping survey of nearby galaxies with the IRAM

30-m telescope. The mean R25, where R25 is the which is the isophotal radius at 25 mag arcsec−2

in the B band, of 26 galaxies is 4.4′. S13 measured αCO by using CO integrated intensity ICO

(K km s−1), atomic gas mass surface density Σatom (M� pc−2), and dust mass surface density

Σdust (M� pc−2) by using the following equation:

Σdust

DGR
= Σatom + Σmol

= Σatom +αCOICO, (3)

where DGR is the mass surface density ratio of interstellar dust to that of interstellar gas.

The total gas mass surface density (= Σatom + Σmol) includes a factor of 1.36 for helium. S13

derived αCO considering the following assumptions: (1) dust and gas are mixed well, (2) DGR

does not depend on the gas phase, namely, atomic or molecular gas, (3) the fraction of mass in

the ionized gas is negligible, (4) the line ratio of 12CO(J = 2− 1) to 12CO(J = 1− 0), R21, is

constant for the HERACLES samples (R21 = 0.7; e.g., Rosolowsky et al. 2015), and (5) DGR

is constant on ∼ kiloparsec scale. Furthermore, their αCO and DGR were measured in each

hexagonal region called “solution pixel” on kiloparsec scales. They measured αCO at which the

scatter of DGR was minimized in each solution pixel. Finally, they reported that the average

αCO for their samples was 3.1 M� pc−2 (K km s−1)−1 with a standard deviation of 0.3 dex.

Because the energy of J = 2 from the ground level of 12CO is 16.6 K, which is higher than

the temperature of typical molecular clouds (∼10 K; Scoville & Sanders 1987), R21 depends

on the excitation condition of molecular gas. Studies have reported that R21 is not constant

within a galaxy and that R21 = 0.7 is inappropriate in certain nearby galaxies. Koda et al.

(2012) investigated the variation of R21 within the nearby spiral galaxy M 51 by using 12CO

data observed by the Combined Array for Research in Millimeter Astronomy (CARMA), the

Nobeyama 45-m radio telescope, and the IRAM 30-m telescope. They obtained that R21 in the

interarm regions is typically < 0.7 (often 0.4 – 0.6) and the rise of R21 in the spiral arms (often

0.8 – 1.0) and central region (∼0.8 – 1.0). Yajima et al. (2021) presented the variations of R21

among 24 nearby galaxies by using 12CO data observed by the Nobeyama 45-m radio telescope

and the IRAM 30-m telescope. They reported that the median of R21 for 24 nearby galaxies

is 0.61, and the weighted mean of R21 by 12CO(J = 1− 0) integrated intensity is 0.66 with a

standard deviation of 0.19. Considering the variation of R21 from 0.7 within and among galaxies
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reported in these studies, the assumption of a constant R21 could impose additional uncertainty

on the αCO estimation. Therefore, statistical studies of αCO without the assumption of R21 are

required. Although it is necessary to measure αCO in nearby galaxies by using 12CO(J = 1−0)

data without additional uncertainties, statistical studies regarding αCO using 12CO(J = 1− 0)

mapping data are limited. Therefore, we measured αCO in nearby galaxies using the data of

the large 12CO(J = 1 − 0) mapping surveys of nearby galaxies and investigated the relation

between αCO and various properties of the ISM. We used the spatially-resolved 12CO(J = 1−0)

data of CO multi-line imaging of nearby galaxies (COMING, Sorai et al. 2019) obtained with

the multi-beam receiver FOur-beam REceiver System (FOREST, Minamidani et al. 2016) on

the Nobeyama 45-m radio telescope. For COMING, the mapping region covers 70% of the

optical disk diameter with a kiloparsec scale resolution. We also used the spatially-resolved

12CO(J = 1− 0) data from the Nobeyama CO Atlas of nearby galaxies (CO Atlas, Kuno et al.

2007). Fifteen out of 40 galaxies have larger optical diameter than the mean optical diameter

of the samples of S13 (= 4.′4). They are also sufficient to derive αCO in nearby galaxies. We

measured αCO in nearby galaxies for the sample galaxies of the COMING and the CO Atlas

by modifying the method of S13 using 12CO(J = 1− 0) instead of 12CO(J = 2− 1).

We explain the sample selection and the method for measuring αCO and DGR in section

2. In section 3, we present the derivation of resolved ICO, Σatom, and Σdust. Details regarding

the ancillary data for metallicity and SFR used in section 6 are presented in section 4 followed

by the results of the αCO and DGR measurements in our sample galaxies in section 5. In

subsection 6.1, we discuss the correlation of the αCO and DGR values with metallicity and

SFR. In subsection 6.2, we compare the value of αCO obtained in this study with the standard

value in the Milky Way αCO(MW) and αCO derived by S13 and discuss the cause of the difference

between them.

2 Sample selection and measurement method of αCO and DGR

2.1 Sample selection

We set two criteria for sample selection. First, because our method to measure αCO requires

infrared and Hi data, in addition to CO, we selected the galaxies of COMING and CO Atlas

whose archival data of Hi and infrared wavelengths is available. For the Hi data, we used the

archival data of the Hi Nearby Galaxies Survey (THINGS, Walter et al. 2008) and the VLA

Imaging of Virgo in Atomic gas (VIVA, Chung et al. 2009). For the galaxies that were not

included in the THINGS and the VIVA, we obtained the data from the NRAO Science Data
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Archive and performed data reduction. For IC 342, we used Hi data of Crosthwaite et al. (2000)

observed by the Very Large Array (VLA). For the infrared data, we used the archival data of

the DustPedia project (Davies et al. 2017), which was the legacy project of the Herschel Space

Observatory and releases photometric data across 42 UV-microwave bands for 875 galaxies.

Second, we excluded galaxies that were categorized as edge-on in table 1 of Sorai et al. (2019)

because we were investigating the radial variation of αCO and DGR within the galaxies. We

also selected three interacting galaxy pairs from the COMING samples: NGC 4298/NGC 4302,

VV 219 (NGC 4567/NGC 4568), and Arp 116 (NGC 4647/NGC 4649). We excluded NGC 4302

because this galaxy was classified as edge-on. We divided NGC 4567 and NGC 4568 by using

the filamentary structure described in Kaneko, Kuno & Saitoh (2018) as the boundary between

NGC 4567 and NGC 4568 and measured αCO and DGR in each galaxy. We excluded NGC 4649

because CO emission from this galaxy was very faint and we could not detect it significantly.

Finally, we analyzed 40 nearby galaxies listed in table 1.

2.2 Method

As explained in section 1, we used the integrated intensity of 12CO(J = 1−0) (ICO), the atomic

gas mass surface density (Σatom), and the dust mass surface density (Σdust) to obtain αCO and

DGR. The grid size and beam size of all data were matched to the data with the largest grid

and beam sizes among 12CO(J = 1− 0), Hi and the infrared data we used. The adopted grid

size and beam size for the measurements of αCO and DGR are listed in table 2.

We determined αCO and DGR simultaneously by using the χ2 fitting described in the

following equations:

Σdust,model ≡ DGR× (Σatom,obs +αCOICO,obs), (4)

χ2 ≡
∑
j, k

(
Σdust,obs(j, k) −Σdust,model(j, k)

)2

Σdust,model(j, k)

. (5)

We calculated the dust mass surface density (Σdust,model) in each pixel (j, k) by using equation

(4), changing αCO and DGR as free parameters. ICO,obs, Σatom,obs, and Σdust,obs are the observed

values and corrected for the inclination of a galactic disk by multiplying cos i, where i is the

inclination angle listed in table 1. Thus, we calculated the value of χ2 by using equation

(5) and the observed dust mass surface density (Σdust,obs) and Σdust,model in the region where

ICO > 3∆ICO, IHi > 3∆IHi, and the infrared intensity > 3×rms noise of emission-free regions

in an infrared intensity map. ∆ICO and ∆IHi are the error of integrated intensity of CO and

Hi, respectively. The derivations of these physical quantities are described in section 3. The
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χ2 fitting assumes that αCO and DGR are constant over the region where αCO and DGR are

measured. We find the optimal values of αCO and DGR which minimize the value of χ2 (≡χ2
min),

indicating the minimized difference between Σdust,obs and Σdust,model. As an example, figure 1

presents the result of NGC 3627. The top left, top right, and bottom left panels are maps of

ICO,obs, Σatom,obs, and Σdust,obs, respectively. The measurement regions of αCO and DGR are

shown as the white contour in these panels. The bottom right panel shows the calculated result

of equation (5), and the red point in the panel presents αCO and DGR, which minimizes the

χ2 value for optimization. The calculated results of equation (5) for other galaxies are shown

in the Appendix 1.

The optimal values of αCO and DGR were searched within the ranges of αCO = 0.01−50.0

M� pc−2 (K km s−1)−1 with a step of 0.01 M� pc−2 (K km s−1)−1and DGR = 0.0001− 0.15

with a step of 0.0001, respectively. We determined the maximum of the ranges of αCO (= 50.0

M� pc−2 (K km s−1)−1) and DGR (= 0.15) by referring to the observational studies of αCO,

DGR, and metallicity in nearby galaxies including our samples. In the measurement regions of

our samples, the range of normalized metallicity (Z ′ ≡ Z/Z�) estimated by the metallicity (Z)

from Pilyugin et al. (2014) presented in subsection 4.2 and the one in the solar neighborhood

(Z�) from Pilyugin et al. (2006) is 0.6 – 2.9.

The top panel of figure 2 shows αCO as a function of Z ′ investigated by several studies

of nearby galaxies. For the range of our αCO, we referred to the result listed in the top row

of table 7 from Schruba et al. (2012), who measured global αCO derived from τdep ×SFR/LCO,

where τdep is a constant H2 depletion time and LCO is a observed CO luminosity, in dwarf and

spiral galaxies. 22 out of 40 samples in this study overlap with the samples from Schruba et al.

(2012). Considering the relation between the result of Schruba et al. (2012) and the minimum

Z ′ (= 0.6) as shown in the top panel of figure 2, we suspected that αCO of our samples were

lower than 50 M� pc−2 (K km s−1)−1.

The bottom panel of figure 2 shows DGR as a function of Z ′ investigated by several

studies of nearby galaxies. For the range of our DGR, we referred to the results of Muñoz-

Mateos et al. (2009) (hereafter M09) and S13. M09 measured the radial variations of DGR

for 12 spiral galaxies by combining Hi profiles from the THINGS with CO profiles from the

literature and using the metallicity-dependent CO-to-H2 conversion factor. Seven out of 12

samples of M09 overlap with our samples. They obtained the linear fitted relation between

the measured DGR and metallicity of Moustakas et al. (2010) with the oxygen abundance

calibrated by Kobulnicky & Kewley (2004) (hereafter KK04) while they did not evaluate the

error of fitting. We investigated the relation between the metallicity measured by using values
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listed in table 8 of Moustakas et al. (2010) and the radial DGR values, which were measured

in galaxies whose CO and Hi data were available and listed in table 4 of M09. We found that

74% (≈ 1σ) of their radial DGR followed their linear fit within a factor of three. Therefore, we

defined the range within a factor of three around the linear fit of M09 as the error of the linear

fit. S13 also obtained the linear fitted relation between DGR and metallicity with the oxygen

abundance calibrated by KK04 and Pilyugin & Thuan (2005) (hereafter PT05) in eight spiral

galaxies overlapping with our samples. Considering the relation between their results and the

maximum Z ′ (= 2.9) as shown in the bottom panel of figure 2, we suspected that DGR of our

samples was lower than 0.15.

2.3 Uncertainties of αCO and DGR

To evaluate the uncertainties of αCO and DGR, we adopted a confidence interval of parameters

denoted as ∆χ2 ≡ χ2 −χ2
min for the χ2 fitting. If there are two free parameters used in the χ2

fitting, the 1σ confidence interval of the parameters is ∆χ2 = 2.3. Therefore, the uncertainties

of αCO and DGR are estimated from the minimum and maximum values of αCO and DGR with

χ2 =χ2
min +2.3. The white contour shown in the bottom right panel of figure 1 is an example of

the curve with χ2 = χ2
min + 2.3. If χ2 of αCO and DGR extends outside of the parameter search

space, we exclude the galaxy from the analysis of αCO and DGR.

Our method determining the uncertainties in αCO and DGR is different from that of

S13. The uncertainties of αCO and DGR in S13 were determined by Monte Carlo tests and

bootstrapping iterations. Our method can measure the uncertainties of αCO and DGR in a

simple way compared to the S13 method using the χ2 method.

3 Derivation of physical quantities

3.1 CO integrated intensity

We used the 12CO(J = 1 − 0) mapping data obtained in the COMING project (Sorai et al.

2019) and the archival data of the CO Atlas (Kuno et al. 2007) project to measure ICO. The

original angular resolutions of COMING and CO Atlas are 17′′ and 15′′, respectively. The

pixel size of COMING and the CO Atlas archival data are 6′′ and 1′′, respectively. We used

the auto-reduction system COMING-ART for the data reduction of COMING. COMING-ART

contains the procedures for flagging bad data, baseline subtraction, and basket-weaving. Details

regarding data reduction are described in Sorai et al. (2019).

The integrated intensity of CO (ICO) is evaluated as follows:
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Fig. 1. αCO and DGR measurement in NGC 3627. The top left panel indicates the observed integrated intensity of 12CO(J = 1 − 0) (ICO,obs). The top

right panel indicates the observed atomic gas mass surface density (Σatom,obs). The bottom left panel indicates the observed dust mass surface density

(Σdust,obs). The white contour of these panels indicates the region used for the measurement of αCO and DGR. The bottom right panel indicates the result

of χ2 fitting, and the red point indicates the optimal values of αCO and DGR, which minimizes the χ2 value (≡ χ2
min) described in equation (5). The white

contour in the bottom right panel indicates the 1σ range with χ2 = χ2
min + 2.3.
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Fig. 2. Top panel: αCO as a function of normalized metallicity in nearby galaxies investigated by Schruba et al. (2012) (solid black). The dashed vertical

black line and the dashed horizontal red line indicate Z′ = 0.6 and αCO = 50.0 M� pc−2 (K km s−1)−1, respectively. The black dotted lines indicate

the range of uncertainty. Bottom panel: DGR as a function of normalized metallicity in nearby galaxies investigated by Muñoz-Mateos et al. (2009) (M09;

solid black) and S13 with metallicity derived from Moustakas et al. (2010) with the oxygen abundance calibrated by Kobulnicky & Kewley (2004) (KK04; solid

bule) and Pilyugin & Thuan (2005) (PT05; solid red). The dashed vertical black line and the dashed horizontal red line indicate Z′ = 2.9 and DGR = 0.15,

respectively. The dotted red line and the dotted black line indicate the range of uncertainty. The dotted black line indicate the variations of a factor of three

around the solid black line.
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(
ICO

K km s−1

)
=
∫
TMBdv =

∑
k=1

TMB∆vch, (6)

where k is the number of emission channels, ∆vch is the velocity width of one channel (= 10

km s−1). Sorai et al. (2019) determined the emission channels of the COMING cube data by

identifying the channels above 2.5 σ in the smoothed cube by 3× 3 pixels in space. We also

determined the emission channels of CO Atlas cube data adopting the same method.

The error of ICO(∆ICO) is evaluated as follows:(
∆ICO

K km s−1

)
= Trms

√
∆vsignal∆vch, (7)

where Trms is the rms noise temperature on the TMB scale (K) and ∆vsignal is the total velocity

width of identified emission channels (= 10× k km s−1). Trms was calculated in the baseline

range. For the COMING cube data, 200 km s−1 at the edges of the observed velocity range

was defined as the baseline channels. For the CO Atlas cube data, the baseline range was

determined by eye. To measure αCO and DGR in the region where 12CO(J = 1− 0) emission

is significantly detected, we masked the pixels where ICO ≤ 3∆ICO. The distribution of ICO in

individual galaxies is shown in the Appendix 1.

3.2 Atomic gas mass surface density

For galaxies in the THINGS and the VIVA projects, and IC 342 (Crosthwaite et al. 2000), we

measured Σatom by using their publicly available Hi integrated intensity map. For galaxies whose

data were obtained from the NRAO Science Data Archive, Σatom was derived by integrating

over the entire velocity range of each spectrum. Assuming that the optical depth of Hi gas is

thin, Σatom is calculated by the following equation:(
Σatom

M� pc−2

)
= 0.02

[
IHi

K km s−1

]
, (8)

where IHi is the Hi integrated intensity. This equation includes a factor of 1.36 for helium. We

masked the pixel where IHi≤3∆IHi to measure αCO and DGR in the region where Hi emission is

significantly detected. For the THINGS samples, Walter et al. (2008) reported that the typical

sensitivity of Σatom was ∼0.5 M� pc−2, which corresponds to ∆IHi = 0.5/0.02 = 25 K km s−1,

at 30′′ resolution. Therefore, we convolved the publicly available Hi integrated intensity map

of the THINGS with a Gaussian kernel to match 30′′ resolution and masked the pixel where

IHi of the convolved map was lower than 3∆IHi = 75 K km s−1. For the samples from the

NRAO Science Data Archive, we determined the emission channels by identifying the channels

with 3σ in the smoothed cube convolved to twice the original beam size. We made a map of
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IHi by using the identified Hi emission channels and equation (6) and measured ∆IHi by using

equation (7). Trms of Hi data was calculated in the velocity ranges which were not identified

as Hi emission channel. To identify Hi emission channels and derived maps of IHi and ∆IHi

for the VIVA samples, we adopted the same method as samples of the NRAO Science Data

Archive to archival cleaned cube data of VIVA. For IC 342, we masked pixels of Σatom with

negative value because there was no archival cube data for Hi and we could not evaluate ∆IHi

from equation (7). The distributions of Σatom in individual galaxies are shown in the Appendix

1.

3.3 Dust mass surface density

Our samples mainly comprise star-forming galaxies and the peak of the spectral energy distri-

bution (SED) of the cold dust component in a star-forming galaxy is located in the wavelength

range of 100 to 200 µm (e.g., Boselli et al. 2003; Dale et al. 2012). Therefore, we measured the

dust mass Mdust by using the infrared data of DustPedia (Clark et al. 2018) from the archived

PACS 70, 100, 160 µm, and SPIRE 250 µm photometry. Mdust can be derived from the dust

temperature and infrared flux density (e.g., Hildebrand 1983, Gall, Hjorth & Andersen 2011)

using the following equation:(
Mdust

M�

)
=

SνD
2

κνBν(Tdust)
, (9)

where Sν is the infrared flux density at a frequency ν, κν is the dust absorption coefficient, D is

the distance to a galaxy, and Bν(Tdust) is the Planck function as a function of dust temperature

(Tdust). Finally, Σdust is derived by converting Mdust to the mass surface density in units of

M� pc−2 in each pixel. We used the infrared flux density at 250 µm to measure Σdust because

the angular resolution (original FWHM = 18′′; Clark et al. 2018) is similar to that of the

12CO(J = 1− 0) data of COMING. We adopted the dust absorption coefficient1 at 250 µm of

3.98 cm2 g−1 derived from the model using the dust size distribution for RV = 3.1 in the Milky

Way (Weingartner & Draine 2001).

We can obtain the distribution of Tdust by the SED fitting at each pixel in the infrared

maps. We adopted the SED model of Casey (2012) (hereafter C12) to obtain Tdust. C12

described the SED model (Sλ), in which a modified blackbody (i.e., greybody) dominates at

wavelengths > 50 µm, whereas a power law dominates at wavelengths < 50 µm. The model is

described as follows:

1 https://www.astro.princeton.edu/ draine/dust/dustmix.html
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(
Sλ
Jy

)
=Nbb

(
1− e−(λ0λ )

β
)(

c
λ

)3

ehc/λkT − 1
+Nplλ

αe−( λ
λc

)
2

, (10)

Npl =Nbb

(
1− e−(λ0λ )

β
)
λ3
c

ehc/λckT − 1
. (11)

Nbb, T , β, and α are free parameters; Nbb is the normalization of the greybody term, T is

the galaxy’s characteristic cold dust temperature (= Tdust), β is the emissivity, and α is the

mid-infrared power-law slope. λ0 is the wavelength at which the optical depth is at unity (≡
200 µm). Npl is the normalization of the power-law term. λc is the wavelength where the

mid-infrared power law turns over and described by α and T as follows:

λc = [(b1 + b2α)−2 + (b3 + b4α)×T ]−1, (12)

where b1 = 26.68, b2 = 6.246, b3 = 1.905× 10−4, and b4 = 7.243× 10−5. Details regarding Sλ are

described in table 1 of C12, which suggests if there are more than three independent photometric

points at λ≥ 200 µm, β should be maintained as a free parameter; otherwise, the fixed β = 1.5

should be adopted. They also suggested that if the photometric points are more than three at

λ ≤ 70 µm, α should be maintained as a free parameter; otherwise, a fixed α = 2.0 should be

adopted. In our study, the photometric points are less than three at λ≤ 70 µm and λ≥ 200 µm.

Therefore, we applied fixed β = 1.5 and α = 2.0 for all samples listed in table 1.

We performed the SED fitting with the C12 SED model as follows:

1. We calculated the rms noise RMSλ of the background in the 70, 100, 160, and 250 µm data

for the emission-free region.

2. If the infrared flux density at a pixel (j, k) is lower than 3×RMSλ at one or more wavelengths,

the pixel (j, k) is not used for the SED fitting.

3. We determined the optimal Nbb and T of the SED model Sλ by fitting the observed data

using the non-linear least squares in each pixel and obtained the distribution of the dust

temperature T (= Tdust).

The distributions of Σdust and Tdust in individual galaxies are shown in the Appendix 1.

4 Ancillary data

Metallicity affects the abundance of interstellar dust, CO and H2 (e.g., Arimoto, Sofue &

Tsujimoto 1996, Leroy et al. 2011, Rémy-Ruyer et al. 2014). Therefore, αCO and DGR are

expected to be related to metallicity. Furthermore, αCO depends on the gas density and tem-

perature of molecular clouds (e.g., Bolatto, Wolfire & Leroy 2013), which are related to the
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star-formation activity of molecular clouds. Therefore, we discuss the dependence of αCO and

DGR on metallicity and SFR.

4.1 Star formation rate

We obtained the SFR surface density (ΣSFR) to discuss the correlation with αCO and DGR in

subsection 6.1. ΣSFR is measured by using far-ultraviolet (FUV) and mid-infrared 24 µm as a

tracer of SFR with the following equation (Leroy et al. 2008):(
ΣSFR

M� yr−1 kpc−2

)
=
(
8.1× 10−2IFUV + 3.2× 10−3I24µm

)
× cos i, (13)

where IFUV and I24µm are the intensities of FUV and 24 µm, in units of MJy sr−1, respectively,

and cos i corrects the inclination angle i of a galaxy. We obtained the distribution of ΣSFR

in individual galaxies by using the archival data of the FUV and 24 µm from the DustPedia

project. Clark et al. (2018) reported that the DustPedia acquired the UV data observed by

the GALaxy Evolution eXplorer (GALEX; Morrissey et al. 2007) from the GR6/7 data release

(Bianchi 2014) and the 24 µm observed by the Spitzer Space Telescope and provided from the

MIPS Local Galaxies Program (Bendo et al. 2012). The original FWHM of the FUV and 24 µm

from DustPedia are 5.′′3 and 6′′, respectively. The original grid sizes of these wavelengths are

3.′′2 and 2.′′4–2.′′6, respectively. For NGC 628, we used the 24 µm data observed by the Local

Volume Legacy (Dale et al. 2009), whose beam size and grid size were 6′′ and 1.′′5, respectively,

owing to the lack of data of 24 µm in the DustPedia project. The maps of FUV and 24 µm

were regridded and convolved with a Gaussian kernel to match the spatial resolution listed in

table 2.

4.2 Metallicity

We discuss the correlation of metallicity with αCO and DGR. We used the metallicity re-

ported by Pilyugin et al. (2014). They investigated the distributions of the abundance of gas

phase oxygen and nitrogen across the optical disks from 3740 spectra of the Hii regions in 130

nearby late-type galaxies by combining the line intensities of [O ii]λ3727+λ3729, [O iii]λ5007,

[N ii]λ6584, [S, ii]λ6717, and [S ii]λ6731 normalized by Hβ. They modeled the radial distribu-

tion of the oxygen abundance (12 + log(O/H)) within the isophotal radius in each galaxy as

follows:

12 + log(O/H) = 12 + log(O/H)R0 +CO/H × (R/R25) , (14)

where 12 + log (O/H)R0
is the oxygen abundance at the galactic center R0, CO/H is the slope
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of the oxygen abundance gradient, and R/R25 is the fractional radius as a function of R25.

Each pixels were assigned a value of 12 + log(O/H) based on equation (14) and the values of

12 + log(O/H)R0
and CO/H from Pilyugin et al. (2014).

5 Results

5.1 Global αCO and DGR

The regions where αCO and DGR were measured in each galaxy are shown in the Appendix 1.

In 18 out of 40 galaxies, the 1σ range of αCO of DGR extended outside the parameter search

regions of αCO and DGR. These galaxies do not have a sufficient number of pixels for the χ2

fitting owing to the low signal-to-noise ratio of the CO data or the small contrast of CO/Hi

to derive αCO and DGR using this method. Small contrast in the CO/Hi ratio (ICO/Σatom ≈
constant) causes the degeneracy of αCO and DGR in equation (4) and increases the 1σ range

of αCO and DGR. We did not use these galaxies for subsequent analysis. Finally, we obtained

αCO and DGR for 22 spiral galaxies. We define these αCO and DGR as “global” αCO and DGR,

αCO(global) and DGR(global). These values and the largest radius of the measurement regions

in individual galaxies are listed in table 3. Among the interacting galaxies listed in table 1,

we obtained αCO(global) and DGR(global) in the spiral galaxy NGC 4568 only. The mean

radius of the measurement regions of αCO(global) and DGR(global) for the 22 spiral galaxies is

0.38R25. The average and standard deviation of αCO(global) and DGR(global) for the 22 spiral

galaxies are 2.66± 1.36 M� pc−2 (K km s−1)−1and 0.0052± 0.0026, respectively. The values of

αCO(global) in 20 out of 22 spiral galaxies are lower than the standard values in the Milky Way

αCO(MW) = 4.35 M� pc−2 (K km s−1)−1 in Bolatto, Wolfire & Leroy (2013). The comparison

of αCO(global) with αCO(MW) is discussed in sub-subsection 6.2.2.

Thirteen out of 22 galaxies are in common with samples of S13 as shown in figure 3. For

the 13 galaxies, table 5 presents the values of αCO(global) in this study and the mean values

of αCO obtained by S13 in individual galaxies (αCO(S13)). The values of αCO(global) in 10 out

of 13 galaxies are lower than those of S13. S13 adopted the constant R21(= 0.7) to measure

αCO(S13). Yajima et al. (2021) reported the mean R21 weighted by the integrated intensity of

12CO(J = 1− 0) (R21) in nearby galaxies. R21 was derived using the COMING and the CO

Atlas for 12CO(J = 1− 0), and the HERACLES for 12CO(J = 2− 1). The range of R21 in 13

galaxies is 0.46–0.88. Figure 3 also shows αCO(S13) corrected for R21 by αCO(S13)×(R21/0.7)

(gray squares). We discuss the difference between αCO(global) and αCO(S13) in sub-subsection

6.2.1: (1) total dust mass, (2) CO(J = 2− 1)/CO(J = 1− 0) line ratio R21, and (3) difference
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in the data sampling area.
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Fig. 3. The relation between our αCO(global) and mean αCO of individual galaxy measured by S13, αCO(S13). The white circles of αCO(S13) indicate the

values of αCO(S13) listed in the second column of table 5. The gray squares of αCO(S13) indicate αCO(S13) corrected for R21 by αCO(S13)×(R21/0.7),

where R21 is the mean R21 measured by Yajima et al. (2021). The error bars of αCO(global) indicate the minimum and maximum values of αCO at

χ2 = χ2
min + 2.3. The error bars of αCO(S13) plotted as white circles and gray squares indicate the standard deviation listed in table 4 of S13 and the

error of αCO(S13)×(R21/0.7) considering the standard deviation of R21 in Yajima et al. (2021), respectively. The dashed black line indicates αCO(global)

= αCO(S13).

5.2 Radial variations of αCO and DGR

We investigated the radial variation of αCO and DGR for the galaxies whose αCO(global) and

DGR(global) are discussed in subsection 5.1. To obtain an adequate amount of pixels used

for the χ2 fitting and sufficient contrast of the CO/Hi ratio, we divided the region within a
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galaxy only into inner and outer regions. We adopted 0.2R25 as the boundary of the inner and

outer regions, as we could obtain αCO and DGR in both the inner and outer regions in the

largest number of galaxies with the boundary. We define αCO and DGR in the inner region

as αCO(inner) and DGR(outer) and those in the outer region as αCO(outer) and DGR(outer).

Finally, we obtained αCO and DGR in the inner and outer regions of the following four barred

spiral galaxies: IC 342, NGC 3627, NGC 5236, and NGC 6946, as listed in table 4. The boundary

of 0.2R25 in each four galaxies is shown in figure 4. The inclination and the position angle were

corrected. In these galaxies, the inner region includes the center and the bar structure, while the

outer region includes the spiral arms. The average and standard deviation of αCO(inner) and

DGR(inner) are 0.36± 0.08 M� pc−2 (K km s−1)−1 and 0.0199± 0.0058, while αCO(outer) and

DGR(outer) are 1.49± 0.76 M� pc−2 (K km s−1)−1 and 0.0084± 0.0037, respectively. In each

galaxy, while αCO(outer) is 2.3 to 5.3 times larger than αCO(inner), DGR(outer) is 0.3 to 0.6

times smaller than that DGR(inner). Moreover, the mean values of αCO(inner) and αCO(outer)

are smaller than the mean αCO(global) within the whole samples (= 2.66 M� pc−2 (K km

s−1)−1). The four galaxies with αCO(inner) and αCO(outer) also have the lower αCO(global)

than the mean αCO(global). Therefore, our measurement of the radial variation of αCO is

biased towards the galaxies with small αCO(global) and this causes the small αCO(inner) and

αCO(outer).

The radial variation of αCO and DGR in galaxies has also been reported in previous

studies. Cormier et al. (2018) found that XCO has lower values in the center of eight nearby

spiral galaxies. Nakai & Kuno (1995) measured XCO in M 51 and reported XCO/1020 = 0.75

cm−2 (K km s−1)−1 (αCO = 1.6 M� pc−2 (K km s−1)−1) in the inner region (R < 1.′2) and

XCO/1020 = 1− 4 cm−2 (K km s−1)−1 (αCO = 2.2− 8.7 M� pc−2 (K km s−1)−1) in the outer

region (R > 2′). S13 found the decrease in DGR with a galactocentric radius in nearby star-

forming galaxies. Giannetti et al. (2017) demonstrated the radial variation of the gas-to-dust

ratio (= DGR−1) as a function of the galactocentric radius between ∼ 2 kpc and ∼ 20 kpc from

the center of the Milky Way by the following equation:

log(DGR−1) =
(
0.087[+0.045

−0.025]± 0.007
)
RGC +

(
1.44[−0.45

+0.21]± 0.03
)
, (15)

where RGC is the galactocentric radius in units of kpc.

5.3 Relations with environmental properties

We investigated the correlations of αCO and DGR with metallicity and SFR. Figure 5 presents

the relations of αCO and DGR with metallicity. αCO and DGR in the left panels are the global
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Fig. 4. The boundary of the inner region (r ≤ 0.2R25) and the outer region (r > 0.2R25) where radial variations of αCO and DGR were measured in four

galaxies. The dotted white ellipse indicates the boundary at r = 0.2R25. The white contour indicates the region used for the measurement of αCO and

DGR. The gray images are obtained from the NED Database (NGC 3627: B band image from the fifth delivery of the Spitzer Data from the Spitzer Infrared

Nearby Galaxies Survey (SINGS, Moustakas et al. 2010), NGC 5236: B band image from David et al. 2014; NGC 6946: B band image from Knapen et al.

2004, IC 342: 645 nm image from the Digitized Sky Survey).
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values listed in table 3. The metallicity in the left panels of figure 5 is the average 12+log(O/H)

over pixels where αCO(global) and DGR(global) are measured. We define this metallicity

as Z(global). The results of NGC 3147, NGC 3627, NGC 4527, NGC 4536, NGC 4568, and

NGC 5713 are not plotted owing to the lack of metallicity data in Pilyugin et al. (2014). The

Spearman’s rank correlation coefficient of αCO(global) and DGR(global) with Z(global) in the

left panels of figure 5 are 0.15 and 0.19, respectively. The right panels of figure 5 present αCO

and DGR in the inner and outer regions measured listed in table 4 as a function of metallicity

which is the average 12 + log(O/H) over pixels where αCO and DGR in the inner and outer

regions are measured. We define the metallicity in the inner region as Z(inner) and that in

the outer region as Z(outer). The Spearman’s rank correlation coefficients of αCO and DGR

with Z in the inner and outer regions are −0.66 and 0.83, respectively. We can find a clearer

correlation of metallicity with αCO and DGR in the inner and outer regions than αCO(global)

and DGR(global).

Figure 6 presents the relations of αCO and DGR with ΣSFR. αCO and DGR in the left

panels are the global values listed in table 3. NGC 4527 is not plotted in the left panels of figure

6 due to the lack of 24 µm data. The SFR surface density in the left panels of figure 6 is the

average ΣSFR over pixels where αCO(global) and DGR(global) are measured. We define this

average ΣSFR as ΣSFR(global). The Spearman’s rank correlation coefficient of αCO(global) and

DGR(global) with ΣSFR(global) are −0.53 and 0.29, respectively. The right panels of figure 6

present αCO and DGR in the inner and outer regions measured listed in table 4 as a function

of SFR surface density which is the average ΣSFR over pixels where αCO and DGR in the inner

and outer regions are measured. We define the average ΣSFR in the inner region as ΣSFR(inner)

and that in the outer region as ΣSFR(outer). The Spearman’s rank correlation coefficients of

αCO and DGR with ΣSFR in the inner and outer regions are −0.83 and 0.98, respectively. As

with metallicity, a more apparent correlation for the radial values can be observed compared

to the global values. We discuss the difference of these correlations between global values and

radial values in subsection 6.1.

6 Discussion

6.1 Dependence of αCO and DGR on environmental properties

We discuss the dependence of αCO and DGR on the metallicity obtained from figure 5.

According to theoretical models (e.g., Bolatto et al. 1999), in the low metallicity region, CO

photodissociation is promoted owing to the decrease in interstellar dust and CO abundance.
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Fig. 5. Relations of metallicity with αCO (top panels) and DGR (bottom panels). The left panels indicate global values listed in table 3. The gray circles

indicate IC 342, NGC 5236, and NGC 6946 whose αCO and DGR in the inner and outer regions were measured. The right panels indicate the values in the

inner and outer regions listed in table 4. Z is the average 12 + log(O/H) over pixels where αCO and DGR are measured in the global region (left panels),

the inner region, and the outer region (right panels), respectively. The error bars of αCO and DGR indicate the minimum and maximum values of αCO and

DGR at χ2 = χ2
min + 2.3.

Although H2 is also dissociated by FUV, it is more likely to exist in the outer layer of a molecular

cloud than CO owing to its stronger self-shielding. Observations indicate that low metallic-

ity galaxies have a large αCO. For example, Arimoto, Sofue & Tsujimoto (1996) measured

XCO as a function of metallicity for nearby spiral and dwarf irregular galaxies and reported a

linear relationship. Leroy et al. (2011) measured αCO in local group galaxies, such as M 31,

M 33, the large magellanic cloud (LMC), small magellanic cloud (SMC), and NGC 6822, uti-

lizing the same relation between αCO and DGR described in equation (3) used in this study.

They found that low metallicity galaxies, such as NGC 6822 and SMC, whose metallicities are

12 + log(O/H) <∼ 8.0− 8.2, have a large αCO (∼ 30 and 70), while the αCO of M 31, M 33, and

LMC, whose metallicities are 12+log(O/H)> 8.2, are nearly constant (αCO ≈ 6) within a factor

of two. They also found that DGR has a nearly linear relationship with metallicity in their

samples. Large values of XCO in SMC have also been reported in other previous studies (e.g.,

Israel 1997; Leroy et al. 2007).

From the results of figure 5, we cannot find a significant correlation of Z(global) with
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αCO(global) and DGR(global). This is because the diversity of αCO among our sample galaxies is

excessively large in the narrow metallicity range. This is also consistent with the previous stud-

ies in which αCO was nearly constant in galaxies with 12 + log(O/H)> 8.2. On the other hand,

we can find a clearer correlation of metallicity with αCO and DGR in the inner and outer regions

than with αCO(global) and DGR(global). We speculate that this results from the difference

in the manner the values of αCO, DGR, and metallicity are obtained. In our sample galaxies,

the metallicity expressed by equation (14) decreases at a constant rate with a galactocentric

radius, in contrast to the radial profiles of CO, Hi, and dust. When comparing αCO(global) (or

DGR(global)) and Z(global) within a galaxy, there is a discrepancy in the typical radius where

their values are represented. On the other hand, when comparing αCO(inner) (or DGR(inner))

and Z(inner) within a galaxy, the discrepancy of the typical radius where their radial values are

represented becomes smaller because αCO(inner) (or DGR(inner)) and Z(inner) are averaged

within narrower regions than αCO(global) (or DGR(global)) and Z(global). The comparison of

αCO(outer) (or DGR(outer)) with Z(outer) is also similar. To verify the speculation, we inves-

21



tigated the differences of typical radii of αCO, DGR, and metallicity (R(αCO), R(DGR), and

R(Z)) in the global, inner (r ≤ 0.2R25), and outer (r > 0.2R25) regions for galaxies which are

listed in table 3 and have the data of metallicity. R(αCO), R(DGR), and R(Z) are the average

radii over pixels where αCO and DGR are measured and weighted by ICO, Σdust, and metallicity,

respectively. We measured R(αCO)−R(Z) and R(DGR)−R(Z) in the global, inner, and outer

regions and compared them. Figure 7 shows the histogram showing the absolute value of the

ratio between R(αCO)−R(Z) (or R(DGR)−R(Z)) in the inner region and that in the global

region. All ratios are smaller than the unity, indicating that the difference of typical radius

between αCO (or DGR) and metallicity in the inner region is smaller than that in the global

region. This trend is the same as in the case of the outer region. Therefore, we can find the

correlation of αCO (or DGR) with the metallicity by separating them into the inner and outer

regions.

Note that the three galaxies (IC 342, NGC 5236, and NGC 6946) have a large metallicity

gradient within their galactic disk among our samples. The gradient of metallicity is determined

by CO/H in equation (14). Among our samples where αCO(global) was measured, the three

galaxies have the large values of CO/H while there are some galaxies with small CO/H like

NGC 4321, NGC 4736, NGC 5248, and NGC 7331. If we can also obtain αCO and DGR in

the inner and outer regions of galaxies with small metallicity gradient, it is expected that the

correlations between αCO, DGR and metallicity in the inner and outer regions shown in the

right panels of figure 5 are weak.

From figure 6, we can also find a clearer correlation of ΣSFR with αCO and DGR in the

inner and outer regions than with αCO(global) and DGR(global). The decrease in the CO-to-H2

conversion factor in high SFR regions is suggested by the numerical simulations. Narayanan

et al. (2012) investigated the variations of XCO in merging galaxies. They suggested that

XCO decreases in high SFR regions because a higher kinetic temperature and larger velocity

dispersion increases the CO integrated intensity. There are also observational studies supporting

this prediction (e.g., Accurso et al. 2017; Morokuma-Matsui et al. 2020). This trend is consistent

with the expectation from the numerical simulations of αCO.

In our samples, both ΣSFR and metallicity increase with a decreasing radius. Therefore,

it is difficult to distinguish which metallicity or ΣSFR affect the radial variations of αCO and

DGR within a galaxy in this study. To solve this problem, the distributions of αCO, DGR,

metallicity, and ΣSFR with smaller spatial scales are necessary.
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Fig. 7. Histograms showing the absolute value of ratio of difference between typical radius of αCO, DGR, and metallicity (R(αCO), R(DGR), and R(Z)) in

the inner (or outer) region and that in the global region. R(αCO), R(DGR), and R(Z) are the average radii over pixels where αCO and DGR are measured

and weighted by ICO, Σdust, and metallicity, respectively. These ratios are measured in galaxies which listed in table 3 and have the data of metallicity. The
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6.2 Comparisons with the previous studies

6.2.1 αCO in Sandstrom et al. (2013)

We compared our αCO(global) with that in S13 for the 13 galaxies in common with both our

study and S13 as shown in figure 3. Although our αCO(global) is within the standard deviation

of αCO in S13, our αCO(global) is lower than that in S13 for 10 out of 13 galaxies as listed in

table 5. We discuss the cause of the difference considering the following: (1) total dust mass,

(2) CO(J = 2− 1)/CO(J = 1− 0) line ratio R21, and (3) difference in the data sampling area.

(1) Total dust mass

The SED model to derive a dust mass is different between our study and S13. We discuss the

difference of dust mass caused by the different SED models and the effect of its difference on the

value of αCO. We obtained Σdust by using the C12 SED model with a single dust temperature

using infrared data (70, 100, 160, and 250 µm) from the DustPedia. S13 obtained Σdust using

the SED model of Draine & Li (2007) (hereafter DL07) and infrared data (IRAC 3.6, 4.5, 5.8,

and 8.0 µm, MIPS 24 and 70 µm, PACS 70, 100, and 160 µm; SPIRE 250 and 350 µm) from

Key Insights on Nearby Galaxies: A Far-Infrared Survey with Herschel (KINGFISH, Kennicutt

et al. 2011). Although there is no information regarding the dust mass in S13, Aniano et al.

(2020) (hereafter A20) performed the dust modeling to the full KINGFISH samples by using

the DL07 model and the infrared data of IRAC, MIPS, PACS, and SPIRE, which were the

same as S13. They also provided the archival data2 of Σdust for galaxies listed in table 5, whose

αCO was measured by both this study and S13. Therefore, we investigated the difference of

dust mass between this study using the C12 SED model and A20 as an indicator of dust mass

of S13. After background subtraction, A20 convolved each image with a common point spread

function and resampled to match a common pixel size. They provided a map of Σdust whose

FWHM and grid size are (18.′′2, 6.′′0). Except for NGC 4254 and NGC 4321, the 11 galaxies

listed in table 5 have similar spatial resolution (beam size = 18.′′0 and pixel size = 6.′′0) to

that of Σdust provided by A20. Therefore, we compared Σdust of A20 with Σdust of 11 galaxies

modeling with the C12 SED model.

We measured αCO(global) and DGR(global) by using Σdust from A20, which were de-

fined as αCO(A20) and DGR(A20), in the same region where αCO(global) and DGR(global)

were measured. In this discussion, we define αCO(global) and DGR(global) using Σdust esti-

mated by the C12 SED model as αCO(C12) and DGR(C12). Figure 8 presents the ratio of

αCO(A20) to αCO(C12) and that of DGR(A20) to DGR(C12) as a function of the ratio of total

2 https://dataspace.princeton.edu/handle/88435/dsp01hx11xj13h
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Σdust from A20 to that estimated by the C12 SED model for the 11 galaxies. The means of the

αCO(A20)/αCO(C12) ratio and the DGR(A20)/DGR(C12) ratio, indicated by the solid hori-

zontal black lines in figure 8, are 1.04 and 1.84, respectively. Moreover, the mean of the ratio of

total Σdust from A20 to that estimated by the C12 SED model, indicated by the dashed vertical

gray lines in figure 8, is 1.88. The variation of the αCO(A20)/αCO(C12) ratio is within 30%. In

this comparison, Σdust increases, while Σatom and ICO are not changed. Considering equation (3)

of Σdust = DGR× (Σatom +αCOICO), increasing Σdust affects increasing DGR more than αCO. If

αCO increases and DGR does not change to compensate for the increase in the total dust mass,

the Hi/H2 ratio is changed. This causes a change in the contrast of the total gas mass surface

density and increases the variation of the DGR, and the χ2
min value becomes larger. We also

compared the ratio of the mean αCO from S13 and listed in table 5 (=αCO(S13)) to αCO(C12)

with the αCO(A20)/αCO(C12) ratio as shown in figure 9. The variation of αCO(A20)/αCO(C12)

ratios tends to be smaller than that of αCO(S13)/αCO(C12) ratios. Therefore, the difference in

total dust mass is not the main cause of the difference between our αCO(global) and αCO of

S13.

(2) CO(J = 2− 1)/CO(J = 1− 0) line ratio R21

S13 used the integrated intensity of 12CO(J = 2 − 1) (ICO(J=2−1)) assuming a constant R21

(= 0.7) to estimate the integrated intensity of 12CO(J = 1− 0) (ICO(J=1−0)). However, if the

true R21 is larger than 0.7, the integrated intensity of 12CO(J = 1−0) is overestimated, and αCO

is underestimated. On the other hand, if true R21 is lower than 0.7, the integrated intensity of

12CO(J = 1− 0) is underestimated and αCO is overestimated.

We investigated the effect of the variation of R21 on the derivation of αCO(global). As

a reference to true R21 in each galaxy, we used R21 derived by Yajima et al. (2021). For

the 13 galaxies, we obtained the relation between our αCO(global) and αCO(S13)×(R21/0.7)

shown in figure 3. Some galaxies have αCO(S13)×(R21/0.7) which is similar to our αCO(global)

(NGC 3184, NGC 3521, NGC 3627, NGC 4254, NGC 5055, and NGC 7331). There are also

large differences between our αCO(global) and αCO(S13)×(R21/0.7) in other galaxies (NGC 628,

NGC 4321, NGC 4536, NGC 4736, NGC 5457, NGC 5713, and NGC 6946). However, even if

αCO(S13) is corrected for R21, the variations of αCO(S13)×(R21/0.7) are consistent with the

uncertainties of our αCO(global) and αCO(S13). Therefore, the assumption of the constant R21

cannot be the main cause of the difference between the results obtained in our study and those

of S13.

(3) Difference in the data sampling area

Considering the previous studies that reported the radial variation of αCO, it is expected that
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Fig. 8. Comparison of αCO (top) and DGR (bottom) measured by using the SED model of Casey (2012) (C12) and Σdust from Aniano et al. (2020) (A20).

The horizontal axis and the dashed vertical gray line indicate the ratio of the total Σdust from A20 to that estimated by the C12 model and the mean of the ratio,

respectively. The vertical axis indicates the ratio of global αCO using Σdust from A20 (=αCO(A20)) to that using Σdust estimated by the C12 SED model

(=αCO(C12)) (top), and the ratio of global DGR using Σdust from A20 (=DGR(A20)) to that using Σdust estimated by the C12 SED model (=DGR(C12))

(bottom). The solid horizontal black lines indicate the mean values of the αCO(A20)/αCO(C12) ratio and the DGR(A20)/DGR(C12) ratio, respectively.
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αCO in the inner region of a galaxy tends to be smaller than that of the outer region. While S13

measured αCO in the region where ICO(J=2−1)/0.7> 1 K km s−1, we measured αCO(global) in the

region where ICO(J=1−0) > 3∆ICO(J=1−0), IHi > 3∆IHi, and an infrared flux density > 3×RMS,

where RMS was estimated in the emission-free region of an infrared map. The median and

mean of ∆ICO(J=1−0) in the CO observation region of our samples listed in table 3 are 0.61

and 0.69 K km s−1, respectively. Furthermore, the achieved sensitivity for the S13 samples

was better than that of our samples. Thus, it is possible that our measurements of αCO are

biased toward the inner region where αCO tends to be smaller. To confirm the presumption, we

compared the data sampling area for the measurements of αCO in our study and S13. Figure 10

presents the radial variation of data sampling area used for the measurement of our αCO(global)

and αCO of S13. The vertical axis indicates the radial variation in the number of pixels used

for the measurement of αCO in each annulus ring with a width = 0.1R25. While the dotted red

line indicates the number of pixels, where ICO(J=2−1)/0.7 > 1 K km s−1, the dotted black line

indicates and ICO(J=1−0) > 3∆ICO(J=1−0), IHi > 3∆IHi, and an infrared flux density > 3×RMS.
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We used the ICO(J=2−1) map obtained from the HERACLES project3 and the map of each

galaxy was convolved with a Gaussian kernel and matched to the spatial resolution listed in

table 2. The mean radii of the regions used for the measurement of our αCO(global) and αCO

of S13 for the 13 galaxies are 0.35R25 and 0.41R25, respectively. This implies that we may

measure αCO within the radius, which is 0.85 times smaller than the typical radius, where S13

measured αCO. As indicated in subsection 5.2, αCO tends to be smaller in the inner region

of a galactic disk in many galaxies. S13 also reported that αCO in the inner regions of their

sample galaxies is generally lower than the remaining of the disk. Therefore, the difference in

the sampling area is one of the possibilities causing the difference in αCO between our study

and S13, that is, the value of αCO in S13, which is derived from a larger area than that used in

our study, can be larger than our value of αCO.

6.2.2 αCO in the Milky Way

In addition to our value of αCO(global) being lower than that of S13, we also found that

αCO(global) of the 20 galaxies is lower than the standard value in the Milky Way, αCO(MW) =

4.35 M� pc−2 (K km s−1)−1(e.g., Bolatto, Wolfire & Leroy 2013). αCO(MW) as the typical value

of the solar neighborhood has been measured by various methods; virial masses (e.g., Solomon

et al. 1987; Scoville et al. 1987), CO isotopologues (Goldsmith et al. 2008), extinction (e.g.,

Pineda et al. 2008; Paradis et al. 2012), dust emission (Dame et al. 2001; Planck Collaboration

XIX et al. 2011), and γ-ray radiation (e.g., Strong & Mattox 1996; Ackermann et al. 2012).

Because our measurements are biased towards the inner region of galaxies, as indicated in

subsection 6.2.1, it can also cause the difference between the value of αCO obtained in this study

and αCO(MW). To confirm our presumption, we compared the typical radius where αCO(global)

was measured in this study with that of αCO(MW). We assumed that R25 in the Milky Way is

twice the distance from the Galactic center to the solar neighborhood R� = 8 kpc (Bigiel et al.

2012): the radius from the Galactic center to the solar neighborhood is 0.5R25. We obtained

the mean radius of the regions used for the measurement of αCO(global) in the 22 galaxies

(= 0.38R25) in subsection 5.1. This result implies that the typical radius where αCO(global)

was measured is 0.76 times smaller than the typical radius where αCO(MW) has been measured.

Previous studies have reported the radial variation of the CO-to-H2 conversion factor in the

Milky Way. Strong et al. (2004) measured the radial variation of XCO in the Milky Way by the

γ-ray observations and found XCO/1020 ≈ 0.4 cm−2 (K km s−1)−1 (αCO ≈ 0.9 M� pc−2 (K km

s−1)−1) at R∼ 2− 3 kpc and XCO/1020 ≈ 10 cm−2 (K km s−1)−1 (αCO ≈ 21.7 M� pc−2 (K km

3 https://www.iram.fr/ILPA/LP001/
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Fig. 10. The radial variation in the number of pixels used for the measurement of αCO in each annulus ring with a width = 0.1 R25 between our study (solid

black) and S13 (dashed red). The dotted black line and the dotted red line indicate the mean radii of the measurement regions of our αCO(global) and αCO

of S13, respectively.

s−1)−1) at R> 10 kpc in the Milky Way. Sodroski et al. (1995) obtained XCO/1020 ∼ (0.2−0.7)

cm−2 (K km s−1)−1 (αCO ∼ 0.4 − 1.5 M� pc−2 (K km s−1)−1) from 140 µm, 240 µm, and

12CO(J = 1−0) observations within approximately 400 pc of the galactic center and found that

their XCO is 3–10 times lower than that in the galactic disk at R= 4.5− 13 kpc obtained from

previous studies. They also obtained the least-square fit of XCO as a function of galactocentric

distance DG in the unit of kpc by fitting their observations and literature measurements as

follows: (
XCO

cm−2(K km s−1)−1

)
= 100.12DG−0.34 × 1020. (16)

These results indicate that αCO in the center region of the Milky Way is smaller than αCO(MW)

in the solar neighborhood. Therefore, our αCO measurements are biased towards the inner

region compared to αCO(MW). This is one of the possibilities leading to the lower value of our

29



αCO than αCO(MW). Furthermore, the use of αCO(MW) within a region where CO emission is

detected in our samples leads to an overestimation of molecular gas mass surface density.

We also compare αCO(inner) listed in table 4 (= 0.25−0.45 M� pc−2 (K km s−1)−1) with

that in the Milky Way. We investigated the typical radius of αCO(inner) in the inner region

by averaging the radii over the pixels where αCO(inner) is measured and weighting with ICO in

subsection 6.1. The mean typical radius of αCO(inner) for four galaxies is 0.10R25. Therefore,

we compare αCO(inner) with that at 0.10R25 (= 0.10× 8.0/0.5 = 1.60 kpc) in the Milky Way.

XCO of equation (16) of Sodroski et al. (1995) at 1.60 kpc is 7.1× 1019 cm−2 (K km s−1)−1,

which corresponds to αCO = 1.5 M� pc−2 (K km s−1)−1. Pineda et al. (2013) surveyed the

Galactic plane in the [C ii] 158 µm line with the Herschel and obtained the radial variation

of XCO by using the H2 column density traced by CO and [C ii]. From figure 20 of Pineda et

al. (2013), we can find the plots of XCO ≈ 1019.7−19.8 cm−2 (K km s−1)−1, which corresponds

to αCO ≈ 1.1− 1.4 M� pc−2 (K km s−1)−1, at Rgal = 1− 2 kpc. Therefore, our αCO(inner) is

smaller than αCO in the Milky Way even if we compare them at the similar distance from the

galactic center.

6.2.3 DGR in the Milky Way

As described in subsection 6.2.2, the typical radius at which αCO(global) and DGR(global)

were measured in our study in the 22 nearby galaxies (= 0.38R25) is different from that of

the solar neighborhood (= 0.5R25, Bigiel et al. 2012). Using equation (15) and defining the

radius of the solar neighborhood (= 8 kpc = 0.5R25), the estimated DGR of the Milky Way at

0.38R25 is 0.0107+0.0049
−0.0011. Furthermore, a linear fit of the DGR as a function of a galactocentric

radius for nearby star-forming galaxies as shown in figure 12 of S13 indicates a larger DGR

at 0.38R25 than the typical value of DGR for the solar neighborhood (= 0.010). These values

are larger than the average of DGR(global) obtained in our study in the 22 nearby galaxies

(= 0.0052±0.0026). Note that the absolute value of DGR highly depends on the model adopted

for SED fitting, whereas the trend of the radial variation is not affected. In subsection 6.2.1,

we found that the mean and standard deviation of DGR(global) using Σdust from A20 in the 11

galaxies shown in figure 8 is 0.0090±0.0045, which is closer to the results of S13 and Giannetti

et al. (2017) than the mean of DGR(global) using Σdust estimated by the C12 SED model.

7 Conclusions

We simultaneously measured the spatially-resolved CO-to-H2 conversion factor αCO and DGR in

nearby spiral galaxies on a kiloparsec scale by using the method developed by Leroy et al. (2011)
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and Sandstrom et al. (2013) (S13) with the spatially-resolved 12CO(J = 1− 0) mapping data

from the COMING and the CO Atlas projects. The conclusions of this study are summarized

as follows:

1. We obtained global averaged values of αCO and DGR, αCO(global) and DGR(global),

for 22 nearby spiral galaxies. The averages and standard deviations of αCO(global)

and DGR(global) in the 22 spiral galaxies are 2.66 ± 1.36 M� pc−2 (K km s−1)−1 and

0.0052±0.0026, respectively. The average of αCO(global) is lower than not only the standard

value in the Milky Way αCO(MW) = 4.35 M� pc−2 (K km s−1)−1 (e.g., Bolatto, Wolfire &

Leroy 2013), but also the average (= 3.1 M� pc−2 (K km s−1)−1) of αCO in S13 (αCO(S13)).

We divided the measurement regions for αCO and DGR into the inner and outer regions

with a boundary at 0.2R25, and obtained the radial variations of αCO and DGR in the fol-

lowing four barred spiral galaxies: IC 342, NGC 3627, NGC 5236, and NGC 6946. In these

four galaxies, the averages and standard deviations of αCO and DGR in the inner region

(≤ 0.2R25) are 0.36± 0.08 M� pc−2 (K km s−1)−1 and 0.0199± 0.0058, while those in the

outer region (> 0.2R25) are 1.49± 0.76 M� pc−2 (K km s−1)−1 and 0.0084± 0.0037, respec-

tively. We found that αCO in the outer region is 2.3 to 5.3 times larger than that in the

inner region.

2. We found a clearer correlation of αCO and DGR with metallicity and SFR surface density

using the data separated into inner and outer regions than that of the global region. The

correlation between αCO and SFR surface density is expected by theoretical studies in which

the decrease of αCO is attributed to the increase in the CO integrated intensity owing to a

high kinetic temperature and large velocity dispersion in high SFR regions.

3. Using the mean 12CO(J = 2−1)/12CO(J = 1−0) line ratio (R21) from Yajima et al. (2021),

we corrected αCO(S13), which was derived using the constant R21(= 0.7). However, the vari-

ations of αCO(S13) corrected for R21 are consistent with the uncertainties of our αCO(global)

and αCO(S13). We conclude that the constant R21 cannot be the main cause of the dif-

ference between αCO(global) and αCO(S13). The mean radius of the regions used for the

measurement of αCO(global) in the 22 nearby galaxies is 0.38R25, which is smaller than the

radius of the solar neighborhood (= 0.5R25, Bigiel et al. 2012). On the other hand, owing to

the difference in the data sampling condition between our study and S13, the mean radii of

the regions used for the measurement of αCO in the 13 galaxies in common with our study

and S13 are 0.35R25 and 0.41R25, respectively. These results imply that we may measure

αCO within a radius smaller than that of S13 and αCO(MW). This is one of the possibilities
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leading to the smaller αCO(global) in our study compared to S13 and αCO(MW). In our

samples, the use of αCO(MW) within a region where CO emission is detected leads to an

overestimation of molecular gas mass surface density.
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Table 1. Parameters of the sample galaxies.

Galaxy Morphology Distance [Mpc] PA [◦] i [◦] R25 [′]

Isolated galaxies

NGC 337 SB(s)d 18.90 119.6 44.5 1.44

NGC 628 SA(s)c 9.02 20 7 5.24

IC 342 SAB(rs)cd 3.3 48 31 10.69

NGC 1569 Ibm 3.25 112 63 1.82

NGC 2841 SA(r)b? 14.60 152.6 73.7 4.06

NGC 2976 SAc pec 3.63 -25.5 64.5 2.94

NGC 3077 I0 pec 3.81 63.8 38.9 2.69

NGC 3147 SA(rs)bc 39.30 142.79 35.19 1.95

NGC 3184 SB(s) 8.7 6 21 3.71

NGC 3198 SB(rs)c 13.40 -145.0 71.5 4.26

Mrk 33 Im pec? 24.9 124.0 42.6 0.50

NGC 3351 SB(r)b 10.7 -168 41 3.71

NGC 3521 SAB(rs)bc 14.20 -19 63 5.48

NGC 3627 SAB(s)b 9.04 176 52 4.56

NGC 3938 SA(s)c 17.9 -154.0 20.9 2.69

NGC 4030 SA(s)bc 29.90 29.6 39.0 2.08

NGC 4192 SAB(s)ab 16.1 155 79 4.89

NGC 4254 SA(s)c 16.1 66 42 2.69

NGC 4321 SAB(s)bc 16.1 158 27 3.71

NGC 4501 SA(rs)b 16.1 139 68 3.46

NGC 4527 SAB(s)bc 16.5 69.5 70 3.08

NGC 4535 SAB(s)c 16.1 2 44 3.54

NGC 4536 SAB(rs)bc 16.5 -54.5 64.2 3.79

NGC 4569 SAB(rs)ab 16.1 22 64 4.77

NGC 4579 SAB(rs)b 16.5 92.1 41.7 2.94

NGC 4654 SAB(rs)cd 16.1 124 51 0.24

NGC 4689 SA(rs)bc 16.1 164 36 2.13

NGC 4736 (R)SA(r)ab 4.3 119 40 5.61

NGC 5055 SA(rs)bc 9.04 98 61 6.29

NGC 5236 SAB(s)c 4.5 45 24 6.44

NGC 5248 SAB(rs)bc 13.00 103.9 38.6 3.08

NGC 5364 SA(rs)bc pec 18.2 -144.4 47.9 3.38

NGC 5457 SAB(rs)cd 7.2 42 18 14.42
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Table 1. (Continued).

Galaxy Morphology Distance [Mpc] PA [◦] i [◦] R25 [′]

Isolated galaxies

NGC 5713 SAB(rs)bc pec 19.5 -157 33 1.38

NGC 6946 SAB(rs)cd 5.5 242 40 5.74

NGC 7331 SA(s)b 13.90 167.7 75.8 5.24

Interacting galaxies

NGC 4298/NGC 4302

NGC 4298 SA(rs)c 16.5 -48.9 54.8 1.62

VV 219

NGC 4567 SA(rs)bc 16.5 80 46 1.48

NGC 4568 SA(rs)bc 16.5 23 64 2.29

Arp 116

NGC 4647 SAB(rs)c 16.5 98.5 39.3 1.44

Note. Morphology, distance, position angle (PA), and inclination angle i were obtained from

Sorai et al. (2019) and Kuno et al. (2007). R25 of COMING and CO Atlas samples was

obtained from Sorai et al. (2019) and NED Database, respectively.

34



Table 2. Summary of 12CO(J = 1− 0) and Hi data.

Galaxy
Reference Adopted spatial resolution Spatial scale of

beam size [kpc]12CO(J = 1− 0) Hi Beam size [′′] Pixel size [′′]

Isolated galaxies

NGC 337 COMING N 29.6 × 21.1 6.0 2.7 × 1.9

NGC 628 COMING T 18.0 × 18.0 6.0 0.8 × 0.8

IC 342 CO Atlas C00 38.0 × 37.0 6.1 0.6 × 0.6

NGC 1569 COMING T 18.0 × 18.0 6.0 0.3 × 0.3

NGC 2841 COMING T 18.0 × 18.0 6.0 1.3 × 1.3

NGC 2976 COMING T 18.0 × 18.0 6.0 0.3 × 0.3

NGC 3077 COMING T 18.0 × 18.0 6.0 0.3 × 0.3

NGC 3147 COMING N 25.3 × 22.0 6.0 4.8 × 4.8

NGC 3184 CO Atlas T 18.0 × 18.0 6.0 0.8 × 0.8

NGC 3198 COMING T 18.0 × 18.0 6.0 1.2 × 1.2

Mrk 33 COMING N 18.0 × 18.0 6.0 2.2 × 2.2

NGC 3351 COMING T 18.0 × 18.0 6.0 0.9 × 0.9

NGC 3521 CO Atlas T 18.0 × 18.0 6.0 1.2 × 1.2

NGC 3627 COMING T 18.0 × 18.0 6.0 0.8 × 0.8

NGC 3938 COMING N 18.8 × 18.2 6.0 1.6 × 1.6

NGC 4030 COMING N 18.0 × 18.0 6.0 2.6 × 2.6

NGC 4192 CO Atlas V 28.0 × 25.9 10.0 2.2 × 2.0

NGC 4254 CO Atlas V 26.8 × 24.5 6.0 2.1 × 1.9

NGC 4321 CO Atlas V 31.1 × 28.1 10.0 2.4 × 2.2

NGC 4501 CO Atlas V 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4527 COMING N 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4535 CO Atlas V 25.0 × 24.1 10.0 2.0 × 1.9

NGC 4536 COMING N 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4569 CO Atlas V 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4579 COMING V 42.4 × 34.5 10.0 3.4 × 2.8

NGC 4654 CO Atlas V 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4689 CO Atlas V 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4736 CO Atlas T 18.0 × 18.0 6.0 0.4 × 0.4

NGC 5055 COMING T 18.0 × 18.0 6.0 0.8 × 0.8

NGC 5236 CO Atlas T 18.0 × 18.0 6.0 0.4 × 0.4

NGC 5248 COMING N 18.0 × 18.0 6.0 1.1 × 1.1

NGC 5364 COMING N 18.0 × 18.0 6.0 1.6 × 1.6

NGC 5457 CO Atlas T 18.0 × 18.0 6.0 0.6 × 0.6
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Table 2. (Continued).

Galaxy
Reference Adopted spatial resolution Spatial scale of

beam size [kpc]12CO(J = 1− 0) Hi Beam size [′′] Pixel size [′′]

Isolated galaxies

NGC 5713 COMING N 18.0 × 18.0 6.0 1.7 × 1.7

NGC 6946 CO Atlas T 18.0 × 18.0 6.0 0.5 × 0.5

NGC 7331 COMING T 18.0 × 18.0 6.0 1.2 × 1.2

Interacting galaxies

NGC 4298 COMING V 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4567/NGC 4568 COMING V 18.0 × 18.0 6.0 1.4 × 1.4

NGC 4647 COMING N 18.0 × 18.0 6.0 1.4 × 1.4

Note. Hi data are obtained from THINGS (T, Walter et al. 2008), VIVA (V, Chung et al. 2009) and NRAO

Science Data Archive (N, https://archive.nrao.edu/archive/advquery.jsp). Hi data of IC 342 is used for

Crosthwaite et al. (2000) (C00) obtained from NED Database.
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Table 3. Results of αCO, DGR, and properties.

Galaxy αCO (∆αCO) DGR (∆DGR) Rmax ΣSFR Z

[M� pc−2 (K km s−1)−1] [×R25] [10−2 M� yr−1 kpc−2]

(1) (2) (3) (4) (5)

NGC 628 3.94 (1.50 – 17.44) 0.0033 (0.0010 – 0.0061) 0.61 0.69 8.64

IC 342 1.72 (1.33 – 2.30) 0.0057 (0.0047 – 0.0066) 0.88 1.03 8.63

NGC 3147 2.91 (1.05 – 11.59) 0.0058 (0.0019 – 0.0114) 0.79 0.68 —∗∗

NGC 3184 2.52 (0.70 – 12.17) 0.0046 (0.0015 – 0.0083) 0.58 0.50 8.52

NGC 3521 3.87 (1.84 – 9.56) 0.0026 (0.0013 – 0.0041) 0.66 0.80 8.52

NGC 3627 0.51 (0.20 – 1.21) 0.0108 (0.0070 – 0.0150) 0.61 1.89 —∗∗

NGC 4030 3.69 (1.49 – 15.20) 0.0039 (0.0012 – 0.0074) 0.81 1.34 8.65

NGC 4254 4.55 (2.34 – 10.15) 0.0023 (0.0013 – 0.0035) 1.09 1.13 8.54

NGC 4321 1.95 (0.64 – 7.08) 0.0069 (0.0028 – 0.0124) 0.66 0.97 8.66

NGC 4501 3.05 (0.75 – 10.53) 0.0052 (0.0025 – 0.0085) 1.03 0.41 8.67

NGC 4527 1.87 (0.54 – 6.53) 0.0037 (0.0018 – 0.0062) 0.82 —∗ —∗∗

NGC 4536 2.43 (0.52 – 13.65) 0.0035 (0.0012 – 0.0069) 0.65 2.10 —∗∗

NGC 4654 3.47 (0.68 – 17.43) 0.0035 (0.0012 – 0.0067) 0.77 0.93 8.52

NGC 4736 0.73 (0.18 – 2.32) 0.0068 (0.0039 – 0.0101) 0.44 2.29 8.56

NGC 5055 3.11 (1.59 – 6.85) 0.0048 (0.0027 – 0.0073) 0.72 0.59 8.70

NGC 5236 0.84 (0.60 – 1.23) 0.0137 (0.0106 – 0.0169) 0.56 4.98 8.71

NGC 5248 2.32 (1.03 – 6.32) 0.0043 (0.0021 – 0.0070) 0.78 1.26 8.61

NGC 5457 3.04 (1.88 – 5.00) 0.0046 (0.0033 – 0.0061) 0.40 0.75 8.55

NGC 5713 2.20 (0.24 – 17.05) 0.0034 (0.0008 – 0.0074) 0.71 4.19 —∗∗

NGC 6946 1.50 (1.09 – 2.13) 0.0062 (0.0050 – 0.0075) 0.94 1.37 8.57

NGC 7331 6.58 (2.62 – 22.64) 0.0027 (0.0010 – 0.0049) 0.96 0.40 8.58

NGC 4568 1.72 (0.40 – 9.30) 0.0071 (0.0021 – 0.0143) 0.67 1.13 —∗∗

(1)–(2) Measured global αCO and DGR. ∆αCO and ∆DGR indicate the range between the minimum and maximum values

of αCO and DGR at χ2 = χ2
min + 2.3. (3) The maximum radius within which αCO and DGR in columns (1) and (2) are

measured. (4)–(5) Mean of the star formation rate surface density and metallicity (12 + log(O/H) in equation (14)) over

pixels where global αCO and DGR are measured.

∗ Archived data of 24 µm is unavailable.

∗∗ The lack of metallicity data in Pilyugin et al. (2014).
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Table 4. Radial variation of αCO, DGR, and properties.

Galaxy region αCO (∆αCO) DGR (∆DGR) ΣSFR Z

[M� pc−2 (K km s−1)−1] [10−2 M� yr−1 kpc−2]

(1) (2) (3) (4)

IC 342 inner 0.45 (0.23 – 1.23) 0.0171 (0.0074 – 0.0278) 4.50 8.76

outer 2.39 (1.61 – 3.65) 0.0047 (0.0035 – 0.0060) 0.53 8.61

NGC 3627 inner 0.25 (0.03 – 2.11) 0.0157 (0.0039 – 0.0302) 3.18 —∗

outer 0.69 (0.16 – 2.32) 0.0096 (0.0049 – 0.0149) 1.60 —∗

NGC 5236 inner 0.34 (0.18 – 0.80) 0.0299 (0.0151 – 0.0471) 15.35 8.75

outer 0.78 (0.43 – 1.42) 0.0139 (0.0098 – 0.0183) 2.85 8.70

NGC 6946 inner 0.41 (0.17 – 1.77) 0.0167 (0.0051 – 0.0298) 6.17 8.68

outer 2.09 (1.27 – 3.49) 0.0053 (0.0039 – 0.0069) 0.91 8.56

(1)–(2) The measured αCO and DGR in the inner (r ≤ 0.2R25) and outer (0.2R25 < r ≤ Rmax, where Rmax is the same

as column (3) in table 3 region. ∆αCO and ∆DGR indicate the range between the minimum and maximum values of

αCO and DGR at χ2 = χ2
min + 2.3. (3)-(4) Mean of star formation rate surface density and metallicity (12 + log(O/H) in

equation (14)) over pixels where radial αCO and DGR are measured in the inner and outer regions, respectively.

∗ The lack of metallicity data in Pilyugin et al. (2014).

Table 5. αCO and R21 in galaxies which are consistent with S13.

Galaxy αCO (∆αCO) αCO(S13) (Std. Dev.) R21 αCO(S13)×(R21/0.7)

[M� pc−2 (K km s−1)−1] [M� pc−2 (K km s−1)−1] [M� pc−2 (K km s−1)−1]

(1) (2) (3) (4)

NGC 628 3.94 (1.50 – 17.44) 3.9 (2.1 – 7.4) 0.54± 0.14 3.00± 0.78

NGC 3184 2.52 (0.70 – 12.17) 5.3 (2.9 – 9.5) 0.56± 0.14 4.24± 1.06

NGC 3521 3.87 (1.84 – 9.56) 7.6 (4.9 – 11.8) 0.63± 0.12 6.84± 1.30

NGC 3627 0.51 (0.20 – 1.21) 1.2 (0.4 – 3.3) 0.46± 0.10 0.79± 0.17

NGC 4254 4.55 (2.34 – 10.15) 3.4 (2.1 – 5.7) 0.72± 0.17 3.50± 0.83

NGC 4321 1.95 (0.64 – 7.08) 2.2 (1.1 – 4.6) 0.83± 0.18 2.61± 0.57

NGC 4536 2.43 (0.52 – 13.65) 2.6 (1.0 – 6.7) 0.84± 0.24 3.12± 0.89

NGC 4736 0.73 (0.18 – 2.32) 1.0 (0.5 – 2.0) 0.88± 0.24 1.26± 0.34

NGC 5055 3.11 (1.59 – 6.85) 3.7 (1.9 – 7.4) 0.56± 0.11 2.96± 0.58

NGC 5457 3.04 (1.88 – 5.00) 2.3 (1.1 – 4.8) 0.64± 0.18 2.10± 0.59

NGC 5713 2.20 (0.24 – 17.05) 4.6 (1.7 – 12.6) 0.80± 0.24 5.25± 1.58

NGC 6946 1.50 (1.09 – 2.13) 2.0 (0.9 – 4.4) 0.71± 0.17 2.02± 0.49

NGC 7331 6.59 (2.62 – 22.64) 9.8 (6.2 – 15.3) 0.55± 0.17 7.70± 2.38

(1) Global αCO in this study. ∆αCO is the range between the minimum and maximum values of αCO at χ2 = χ2
min + 2.3.

(2) Mean αCO and the standard deviation listed in table 4 of Sandstrom et al. (2013) (S13). (3) Mean of R21 weighted by

the integrated intensity of 12CO(J = 1− 0) and standard deviation of R21 measured in Yajima et al. (2021). (4) Corrected

αCO(S13) by multiplying the ratio of R21 to R21 = 0.7, which is the constant value S13 adopted.
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Appendix 1 Maps used for the measurement of αCO(global) and DGR(global) and results of

χ2 fitting for αCO(global) and DGR(global)

This appendix presents maps of the integrated intensity of 12CO(J=1−0) (ICO), the atomic gas

mass surface density (Σatom), the characteristic cold dust temperature (Tdust) derived from the

SED model of Casey (2012), the dust mass surface density (Σdust), and the star formation rate

surface density (ΣSFR). Furthermore, the result of χ2 fitting for αCO(global) and DGR(global)

in each galaxy is also shown.
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Fig. 11. Same as figure 1 including characteristic cold dust temperature (Tdust) derived from the SED model of Casey (2012) (middle left) and star formation

rate surface density (ΣSFR) (bottom left) but for NGC 628.
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Fig. 12. Same as figure 11 but for IC 342.
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Fig. 13. Same as figure 11 but for NGC 3147.
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Fig. 14. Same as figure 11 but for NGC 3184.
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Fig. 15. Same as figure 11 but for NGC 3521.
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Fig. 16. Same as figure 11 but for NGC 3627.
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Fig. 17. Same as figure 11 but for NGC 4030.
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Fig. 18. Same as figure 11 but for NGC 4254.
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Fig. 19. Same as figure 11 but for NGC 4321.
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Fig. 20. Same as figure 11 but for NGC 4501.
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Fig. 21. Same as figure 11 but for NGC 4527.

50



12h34m20s25s30s35s

+2!09"00""

10"00""

11"00""

12"00""

13"00""

14"00""

D
e
c
li
n
a
t
io

n
(
J
2
0
0
0
)

12h34m20s25s30s35s

+2!09"00""

10"00""

11"00""

12"00""

13"00""

14"00""

12h34m20s25s30s35s

+2!09"00""

10"00""

11"00""

12"00""

13"00""

14"00""

D
e
c
li
n
a
t
io

n
(
J
2
0
0
0
)

12h34m20s25s30s35s

+2!09"00""

10"00""

11"00""

12"00""

13"00""

14"00""

12h34m20s25s30s35s

Right Ascension (J2000)

+2!09"00""

10"00""

11"00""

12"00""

13"00""

14"00""

D
e
c
li
n
a
t
io

n
(
J
2
0
0
0
)

0 10 20 30 40 50 60

ICO [K km s#1]
0 5 10 15 20 25 30

!atom [M$ pc#2]

25 30 35 40 45 50

Tdust [K]
0.0 0.1 0.2 0.3 0.4 0.5 0.6 0.7

!dust [M$ pc#2]

0.0 0.1 0.2 0.3 0.4 0.5 0.6

!SFR [M$ yr#1 kpc#2]

0 2 4 6 8 10 12 14

!CO [M$ pc#2(K km s#1)#1]

0.001

0.002

0.003

0.004

0.005

0.006

0.007

0.008

0.009

D
G

R

0

5

10

15

20

25

"2

Fig. 22. Same as figure 11 but for NGC 4536.
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Fig. 23. Same as figure 11 but for NGC 4654.
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Fig. 24. Same as figure 11 but for NGC 4736.
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Fig. 25. Same as figure 11 but for NGC 5055.
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Fig. 26. Same as figure 11 but for NGC 5236.
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Fig. 27. Same as figure 11 but for NGC 5248.
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Fig. 28. Same as figure 11 but for NGC 5457.
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Fig. 29. Same as figure 11 but for NGC 5713.
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Fig. 30. Same as figure 11 but for NGC 6946.
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Fig. 31. Same as figure 11 but for NGC 7331.
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Fig. 32. Same as figure 11 but for NGC 4568
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ABSTRACT

We present new 13CO(1-0), C18O(1-0), HCO+(1-0) and H13CO+(1-0) maps from the IRAM 30m

telescope, and a spectrally-resolved [C II] 158 µm map observed with the SOFIA telescope towards the

massive DR21 cloud. This traces the kinematics from low- to high-density gas in the cloud which allows

to constrain the formation scenario of the high-mass star forming DR21 ridge. The molecular line data

reveals that the sub-filaments are systematically redshifted relative to the dense ridge. We demonstrate

that [C II] unveils the surrounding CO-poor gas of the dense filaments in the DR21 cloud. We also

show that this surrounding gas is organized in a flattened cloud with curved redshifted dynamics

perpendicular to the ridge. The sub-filaments thus form in this curved and flattened mass reservoir.

A virial analysis of the different lines indicates that self-gravity should drive the evolution of the ridge

and surrounding cloud. Combining all results we propose that bending of the magnetic field, due to

the interaction with a mostly atomic colliding cloud, explains the velocity field and resulting mass

accretion on the ridge. This is remarkably similar to what was found for at least two nearby low-mass

filaments. We tentatively propose that this scenario might be a widespread mechanism to initiate star

formation in the Milky Way. However, in contrast to low-mass clouds, gravitational collapse plays a

role on the pc scale of the DR21 ridge because of the higher density. This allows more effective mass

collection at the centers of collapse and should facilitate massive cluster formation.

Keywords: ISM: individual objects: DR21 – ISM: kinematics and dynamics – ISM: clouds – stars:

massive – stars: formation

1. INTRODUCTION

The formation of massive stars is still a matter of

intense debate (e.g. Zinnecker & Yorke 2007; Tan et al.

2014; Motte et al. 2018a). The very short, or potentially

non-existing, massive prestellar core phase (e.g. Motte

et al. 2007, 2010; Russeil et al. 2010; Csengeri et al.

2014; Tigé et al. 2017; Sanhueza et al. 2019) suggests

that high-mass stars might not form from the quasi-

static evolution toward collapse of individual prestellar

cores. This opens the question of how massive stars

Corresponding author: Lars Bonne

lbonne@usra.edu

can form. From observations of molecular clouds that

form massive stars it was proposed that some large-scale

dynamics, partly driven by self-gravity, can provide the

fast concentration of mass necessary to form massive

stars (e.g. Peretto et al. 2006, 2013, 2014; Hartmann

& Burkert 2007; Schneider et al. 2010, 2015; Csengeri

et al. 2011a,b; Galván-Madrid et al. 2010; Wyrowski

et al. 2012, 2016; Beuther et al. 2015; Williams et al.

2018; Jackson et al. 2019; Bonne et al. 2022a).

This probable coupling to the molecular cloud dynam-

ics is also put forward by several theoretical models. In

the competitive accretion model (Bonnell et al. 2001,

2004; Bonnell & Bate 2006; Wang et al. 2010), the

gravitational pull of low-mass protostellar cores drives
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Figure 1. Middle left: Herschel column density map (Hennemann et al. 2012) of the DR21 cloud (ridge and surrounding
sub-filaments). The yellow and red polygons indicate the area covered by the two different backend setups of the IRAM 30m
observations, i.e. setup1 (yellow) and setup2 (red). The southern sub-filament is only covered by the first setup which contains
HCO+(1-0) and H13CO+(1-0). The crosses indicate the location of the spectra displayed in the bottom and top panels. The
white circles are centered on the DR21(OH) clump and indicate radii of 0.5, 1.5, 3 and 4 pc at a distance of 1.4 kpc, which will
provide reference for the virial analysis presented in Sect. 4. Middle right: The red box outlines the area that we use from
the available SOFIA [C II] observations that cover a significantly larger region in Cygnus-X North (Schneider et al. 2023). The
nomenclature indicated for sub-filaments is adopted from Schneider et al. (2010); Hennemann et al. (2012): N (north), F1N,
F1S, F3N, F3S, SW (south-west), S (south). Bottom and top: 13CO(1-0), C18O(1-0), HCO+(1-0), H13CO+(1-0) and [C II]
spectra from the locations indicated in the left middle panel.
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the mass accretion from the surrounding cloud to de-

termine their final mass. The fragmentation-induced

starvation scenario proposes that massive stars form

through gravitational fragmentation at the center of

dense filamentary accretion flows (Peters et al. 2010,

2011; Girichidis et al. 2012), where the fragmentation

in the inflowing filaments sets a limit on the accretion

of the most massive stars at the center of the accre-

tion flow. Another variant proposes that gravitational

collapse on multiple scales after the thermal instability

(Vázquez-Semadeni et al. 2009, 2017, 2019) drives the

required dynamics and mass concentration responsible

for the formation of massive stars which is then halted

by stellar feedback. From simulations it was also pro-

posed that compression by the collision of atomic flows

or fully developed molecular clouds at high velocities

can form dense filamentary structures that host massive

star formation (e.g. Dobbs et al. 2012, 2020; Inoue &

Fukui 2013; Wu et al. 2015; Balfour et al. 2017; Bisbas

et al. 2017). The velocity and density of the H I flows or

molecular clouds would then be decisive to determine

whether massive stars can form. Typically, collision

velocities >10 km s−1 would be needed to form massive

stars (Haworth et al. 2015; Dobbs et al. 2020). Based

on observed bridging with CO lines between separated

velocity components in several clouds, it has been pro-

posed that cloud-cloud collisions (CCCs) might play a

role in high-mass star formation (e.g. Bisbas et al. 2018;

Fukui et al. 2021; Lim et al. 2021). From simulations, it

was also proposed that an oblique shock associated with

collision velocities above 7 km s−1 could bend the mag-

netic field around the filaments and drive subsequent

mass inflow that enables high-mass star formation (In-

oue et al. 2018; Abe et al. 2021).

Analyzing observations of the low-mass Musca filament

and the surrounding Chamaeleon-Musca regions, Bonne

et al. (2020a,b) concluded that continuous mass accre-

tion on the Musca filament was driven by such bending

of the magnetic field due to a 50 pc scale collision at

∼ 7 km s−1 between H I clouds in the Chamaeleon-

Musca complex. This mechanism was proposed for the

formation of high-mass star forming filaments (Inoue

et al. 2018) but might also be applicable for low-mass

star forming filaments. Specifically, the Musca filament

would be the result of a turbulent overdensity that is

compressed and guided by the bended magnetic field

during interaction with more diffuse gas in the colliding

cloud. Interestingly, Faraday rotation measurements in

the radio domain, which trace the magnetic field prop-

erties in the interstellar medium (ISM), unveiled curved

magnetic fields around several nearby low- to intermedi-

ate mass star forming regions (Tahani et al. 2019, 2022).

It also unveiled a correlation of the cold (CNM) & luke-

warm (LNM) neutral medium with the magnetic field

structure in the diffuse ISM (Bracco et al. 2020). These

results would have a straightforward explanation in the

proposed scenario of colliding H I clouds that bend the

magnetic field. Furthermore, recent observations of the

massive star forming cloud NGC 6334 found kinematic

structure resembling the results in Musca (Arzoumanian

et al. 2022).

Table 1. Summary of the observational datasets.

Instrument Species λ ν ∆ v Θ

[µm] [GHz] [km/s] [′′]

IRAM

EMIR 13CO(1-0) 2720.4 110.20 0.2 23

EMIR C18O(1-0) 2730.8 109.78 0.2 23

EMIR HCO+(1-0) 3361.3 89.19 0.2 28

EMIR H13CO+(1-0) 3455.7 86.75 0.2 29

SOFIA

upGREAT [C II] 157.74 1900.54 0.5 14

JCMT

HARP 12CO 3→2 869.0 345.80 0.42 15

For the atomic and molecular lines, the line transition
wavelength (λ) and frequency (ν) are given in columns 3

and 4, respectively. The effective velocity resolution is
indicated in column 5 and the angular resolution of the

original data is displayed in column 6.

In this paper, we present a multi-wavelength study

of the DR21 cloud in molecular and atomic lines and

dust continuum to follow up on the link between molec-

ular cloud evolution and the formation of dense filamen-

tary structures. Specifically, after focusing on Musca, we

now focus on a region where massive stars are presently

forming. The DR21 cloud is located in the north of the

Cygnus-X molecular cloud complex (Reipurth & Schnei-

der 2008) at an estimated distance of ∼ 1.4 kpc (Rygl

et al. 2012). This cloud hosts the DR21 ridge which

is the filamentary structure with a length of ∼ 4 pc

and a mass of ∼ 104 M� that is typically defined by

high column densities, i.e., NH2
> 1023 cm−2 (Schnei-

der et al. 2010; Hennemann et al. 2012). The DR21

ridge is the densest and most massive filament in the

entire Cygnus-X complex and one of the most active

high-mass star forming regions within 2 kpc from the

sun (Motte et al. 2007; Kumar et al. 2007; Bontemps

et al. 2010; Beerer et al. 2010; Csengeri et al. 2011a,b;

Duarte-Cabral et al. 2013, 2014). In this paper, we will

use the term ′ridge′ for the inner, high-column density
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part (NH2
> 1023cm−2) of the molecular cloud (Hill

et al. 2011, 2012), ′sub-filaments′ for the lower density

filaments connected to the ridge and ′cloud′ for the par-

sec scale surrounding cloud that includes the ridge.

Detailed kinematic studies of the DR21 region by

Schneider et al. (2010) demonstrated that the ridge is

experiencing large scale gravitational collapse and mass

accretion by sub-filaments that run parallel to the mag-

netic field (Vallée & Fiege 2006; Ching et al. 2022). Fig-

ure 1 shows the DR21 cloud and ridge (NH2 >1023cm−2)

and the sub-filaments defined in Schneider et al. (2010)

and Hennemann et al. (2012). It is also proposed that

the DR21 cloud is part of the Cygnus-X complex which

forms a single region with multiple velocity components

(Schneider et al. 2006, 2007). This was later confirmed

by Rygl et al. (2012) and provided arguments that DR21

is the result of a collision between two molecular clouds

with velocity components at ∼ -3 km s−1 and ∼ 9 km

s−1 (Dickel et al. 1978; Dobashi et al. 2019). This colli-

sion is revisited and discussed in Schneider et al. (2023)

using new insight from the SOFIA [C II] data.

In this paper, we aim to establish the main processes,

i.e. gravity, magnetic field and turbulence that drive the

evolution of this massive star forming molecular cloud

from low-density (nH2
. 103 cm−3) gas in the surround-

ing cloud to high-density (nH2
> 105 cm−3) gas in the

ridge. In Sect. 2, we give observational details. Sec-

tion 3 presents the observational results of the DR21

cloud, followed by the inflow and virial analysis of these

observational results in Sect. 4. Lastly, in Sect. 5 we

put these results into context to propose a scenario for

the DR21 cloud evolution and discuss how it compares

to low-mass star forming clouds.

2. OBSERVATIONS

The observations tracing different density regimes in

the DR21 cloud are described in the following subsec-

tions and are summarized in Table 1.

2.1. IRAM 30m observations

Observations with the IRAM 30m telescope of

the DR21 region (surrounding cloud, ridge and sub-

filaments) were carried out in February 2015. These

observations were performed with two different spec-

tral setups using the FTS50 configuration of the EMIR

receiver. Setup 1, which contains HCO+(1-0) and

H13CO+(1-0), covers the spectral ranges ∼ 85.2 GHz -

87.2 GHz, 88.5 GHz - 90.5 GHz, 101.0 GHz - 102.8 GHz

and 104.2 GHz - 106.0 GHz. Setup 2, which contains
13CO(1-0) and C18O(1-0), covers the spectral ranges

∼ 89.6 GHz - 91.6 GHz, 93.0 GHz - 95.0 GHz, 105.4

GHz - 107.2 GHz and 108.8 GHz - 110.6 GHz. These

two setups allow to observe a variety of molecular lines

(e.g. C18O(1-0), N2H+(1-0), HCN(1-0), HCO+(1-0),

NH2D[1(1,1)0-1(0,1)0], etc...), which allows to follow the

kinematic and chemical evolution of the dense gas in

the DR21 ridge and the connected sub-filaments. The

obtained antenna temperature (T∗A) noise rms within

a spectral resolution of 0.2 km s−1 is ∼0.14 K around

90 GHz and ∼0.20 K around 110 GHz, respectively. A

main beam efficiency of 0.81 for frequencies around 90

GHz and 0.78 for frequencies around 110 GHz was used

(Kramer et al. 2013). The region on the sky that is cov-

ered by the two different setups is displayed in Fig. 1.

The mapping was performed in the On-the-Fly (OTF)

observing mode, and the resulting data cubes have a

spatial resolution between ∼23′′ (110 GHz) and ∼29′′

(90 GHz), see Tab. 1. To produce the data cubes, a

first order baseline was fitted to the data with CLASS

in GILDAS1 as the baselines are generally well behaved

at the observed frequencies. A full analysis of all the

lines that are covered will be the topic of a future pa-

per. Here, the first results from 13CO(1-0), C18O(1-0),

HCO+(1-0), and H13CO+(1-0) will be presented.

2.2. SOFIA [C II] observations with upGREAT

To obtain a more complete view on the kinematics

of the DR21 cloud, the IRAM observations are com-

bined with observations of the [C II] 158 µm line by

the Stratospheric Observatory for Infrared Astronomy

(SOFIA; Young et al. 2012). The [C II] observations

at 158 µm were taken as part of the SOFIA Legacy

program FEEDBACK2, which maps 11 Galactic high-

mass star-forming regions (Schneider et al. 2020), in-

cluding a part of the Cygnus-X north region, in the

[C II] 158 µm line and the [O I] 63 µm line. The map-

ping of Cygnus-X north with FEEDBACK is now com-

pleted3 and covers the DR21 cloud, the Diamond Ring
(Marston et al. 2004) and the W75N molecular cloud.

The data can be found on the IRSA archive with project

number 07 00774. We use data that covers the DR21

cloud, see Fig. 1. The observations were carried out

with the dual-frequency heterodyne array upGREAT

receiver (Risacher et al. 2018) in OTF mapping mode

and calibrated with the GREAT pipeline (Guan et al.

2012). We used an emission-free reference position

at RA(2000)=20h39m48.34s, Dec(2000)=42◦57′39.11′′.

The 2×7 pixel LFA array was tuned to the [C II] 158

µm line and the 7 pixel high-frequency array (HFA) was

1 https://www.iram.fr/IRAMFR/GILDAS/
2 https://feedback.astro.umd.edu
3 https://astro.uni-koeln.de/index.php?id=18130
4 https://irsa.ipac.caltech.edu/applications/sofia



DR21 5

Figure 2. Top left: Integrated brightness map of 13CO(1-0) from -8 to 1 km s−1 towards the DR21 cloud. Overlaid on the
map are the integrated intensity contours starting at 2 K km s−1 with increments of 10 K km s−1. The locations of the DR21
radio continuum source (Downes & Rinehart 1966), and the DR21(OH) and DR21-N massive clumps (e.g. Motte et al. 2007) are
indicated with black triangles. The subfilaments in cloud are indicated with their names. Top right: The same for HCO+(1-0)
with increments of 5 K km s−1. The triangles indicating DR21, DR21(OH) and DR21-N help to compare with the 13CO and
C18O maps, from setup2, which have a different map size. Bottom left: The same for C18O(1-0), with contour increments of
2 K km s−1. Bottom right: The same for H13CO+(1-0), with contour increments of 2 K km s−1.

tuned to the [O I] 63 µm line (data not used here). The

beam size at 158 (63) µm is 14.1′′ (6′′). Here we em-

ploy [C II] data smoothed to an angular resolution of

20′′ and a velocity resolution of 0.5 km s−1, which re-

sults in a typical noise rms of ∼ 1 K per beam. In

order to improve the baseline removal to reduce strip-

ing in the data cube we employ the Principal Compo-

nent Analysis (PCA) method described in Tiwari et al.

(2021); Kabanovic et al. (2022); Schneider et al. (2023).

More details on the SOFIA FEEDBACK observational

scheme and data reduction are found in Schneider et al.

(2020).

2.3. JCMT observations

With the 15 pixel HARP instrument on the JCMT

telescope, a 12CO(3-2) mapping of the Cygnus-X north

and south areas was carried out between 2007 and

2009 within the observing programs M08AU018 (PI N.

Schneider) and M07BU019 (PI R. Simon). The obser-

vation method and reduction of this data is the same as

the one described in Gottschalk et al. (2012) for the pi-
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Figure 3. Line integrated emission from -8 to 1 km s−1 for
[C II]. The [C II] emission shows that there is extended emis-
sion around the ridge and sub-filaments. The white contours
indicate the Herschel column density map at NH2 = 1022

cm−2, 3×1022 cm−2, 1023 cm−2 and 4×1023 cm−2. The
red box outlines the area used to make the position-velocity
(PV) diagram perpendicular to the DR21 ridge in Fig. 10.
The vertical dashed black line defines the center (r = 0 pc)
used for the PV diagram. The locations of the DR21 ra-
dio continuum source (Downes & Rinehart 1966), and the
DR21(OH) and DR21-N massive clumps (e.g. Motte et al.
2007) are indicated.

Figure 4. Average spectrum of the DR21 ridge (exclud-
ing the DR21 continuum source) displaying multiple veloc-
ity components between -10 and 20 km s−1. The focus of
this paper is on the emission between -8 and 1 km s−1 alone,
indicated by the dashed vertical lines, which is the velocity
range associated with the DR21 ridge (Schneider et al. 2006,
2010).

lot study and this full dataset will be presented in more

detail in a forthcoming paper. The observations have

a spatial resolution of 15′′ and a spectral resolution of

0.42 km s−1, with a noise rms of ∼ 0.25 K.

2.4. Herschel observations

We employ Herschel column density maps from the

Cygnus-X region that were taken as part of the HOBYS5

program. Low angular resolution (36′′) column density

maps are presented in Schneider et al. (2016a). The

procedure for obtaining these maps is described in Hill

et al. (2011, 2012). We here use column density maps

at a higher spatial resolution of 18′′ that makes use of

the method described in Palmeirim et al. (2013). The

concept is to employ a multi-scale decomposition of the

flux maps and assume a constant line-of-sight tempera-

ture. The final map is then constructed from the differ-

ence maps of the convolved maps at 500 µm, 350 µm,

and 250 µm, and the temperature information from the

color temperature derived from the 160 µm to 250 µm

ratio.

3. RESULTS

3.1. Spectral line integrated maps

From the large variety of lines detected with the IRAM

30m telescope we selected a subset to present in this

paper, i.e. the 13CO(1-0), C18O(1-0), HCO+(1-0) and

H13CO+(1-0) lines, that trace both the ridge and sub-

filaments. A full analysis of all detected lines with the

IRAM 30m telescope is out of the scope of this paper.

Figure 2 displays the velocity integrated maps of these

4 lines. The overall emission distribution of the DR21

cloud is similar to what was shown in Schneider et al.

(2010), but the new maps are significantly larger. As

a result, they better cover the extent of the dense sub-

filaments which are best visible to the west of the DR21

ridge. Note that the coverage is not the same for all

lines which is due to different setups for the observations.

From Fig. 2 we see that the 13CO(1-0) and HCO+(1-0)

emission remains well detected outside the ridge while

the C18O(1-0) and H13CO+(1-0) lines are mostly de-

tected towards the ridge which indicates a large concen-

tration of mass.

Figure 3 presents the SOFIA [C II] observations. The

critical density of the [C II] 158 µm line is typically only

a few 103 cm−3 for collisions with atomic and molec-

ular hydrogen (i.e. H & H2; Goldsmith et al. 2012),

and it predominantly traces the photodissociated lay-

ers at the interface between molecular cloud and ion-

5 Herschel imaging survey of OB young stellar objects (Motte et al.
2010).
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Figure 5. 13CO(1-0) channel maps (IRAM) between -6.0 and -0.4 km s−1 of the DR21 cloud. The grey contours trace the
Herschel column density at NH2 = 1022, 2×1022, 5×1022, 1023 and 5×1023 cm−2, to highlight the ridge and sub-filaments. Most
sub-filaments become particularly visible at vlsr > -3 km s−1.

ized phase (Hollenbach & Tielens 1999). It thus nicely

complements the CO/HCO+ observations as it should

trace the lower-density gas. The [C II] line integrated

intensity map in Fig. 3 reveals interesting differences

compared to the IRAM molecular line data. Emis-

sion is detected toward the dense sub-filaments that

are also seen in 13CO(1-0), HCO+(1-0) and 12CO(3-2)

(see App. A) which have typical critical densities of

∼2×103 cm−3, 5×104 cm−3 and 3×104 cm−3, respec-

tively (Shirley 2015). However, [C II] additionally also

traces the lower density gas surrounding the DR21 ridge

and dense sub-filaments. The [C II] observations thus

unveil a significant mass reservoir that is not located in

the ridge and the sub-filaments. This gas has a typical

Herschel column density (NH2
) between 5×1021 cm−2

and 3×1022 cm−2 after correction for a ∼5×1021 cm−2

background (Schneider et al. 2016a, 2022). Even though

[C II] is detected towards these higher column densities

(NH2 > 1022 cm−2), these also start to be detected in

CO lines, see App. B, which indicates that [C II] does

not trace the full column density range there. Assuming

the cloud has a thickness6 of 1-3 pc indicates that [C II]

in the DR21 cloud might trace a density range between

nH2
= 0.5-1.6×103 cm−3 and nH2

= 0.3-1.0×104 cm−3

toward the DR21 cloud. In a later paragraph we will fur-

ther constrain the typical density traced by [C II]. Only

at the location of the DR21 radiocontinuum source there

is a strong peak of [C II] emission in the ridge. DR21 is

the most evolved region in the ridge and a site of mas-

sive star formation with several compact H II regions

and a number of possible O-stars, including a promi-

nent outflow source (Marston et al. 2004). Stellar winds

(Cyganowski et al. 2003; Immer et al. 2014) probably

dominate the dynamics of that region. As the [C II]

6 This is similar to the size in the plane of the sky or assumes it
has a slightly flattened morphology.
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emission in the DR21 source is strongly affected by the

local feedback from the embedded O stars, this region

is mostly left out for the work presented in this paper.

Lastly, we also note from Fig. 3 that the [C II] emission

unveils filamentary gas to the east of the ridge that are

not detected with Herschel or molecular line data. This

is probably because of the low contrast with the signif-

icant Herschel column density background and because

these filamentary structures are not visible in molecular

line data.

3.2. Spectra and channel maps

The average spectrum for the entire DR21 ridge is

presented in Fig. 4 which shows multiple velocity com-

ponents in the velocity range between -10 km s−1 and

20 km s−1. In this paper we will exclusively focus on the

emission between -8 and 1 km s−1, highlighted in Fig. 4,

which is the emission originating from the DR21 cloud

(Schneider et al. 2006, 2010). The components of the

full spectrum are discussed in Schneider et al. (2023).

The channel maps of 13CO(1-0) emission, shown in Fig.

5, resolve the velocity structure in the DR21 cloud.

The emission in the velocity range from -5 km s−1 to

-2.5 km s−1 is organized in a north-south elongated co-

herent structure mostly inside the NH2=1023 cm−2 dust

column density contour and forms the ridge. In this

velocity range, the channel maps show a north-south

velocity gradient in the ridge. At higher and lower ve-

locities inside the ridge, the emission is more clumpy and

concentrates on the DR21(OH) and DR21 locations. At

velocities between -4 and -2.5 km s−1 the sub-filament

F1S becomes visible, and between -3 km s−1 and -1 km

s−1 all the other western sub-filaments become promi-

nent.

Inspecting the 13CO(1-0), C18O(1-0), HCO+(1-0),

H13CO+(1-0) and [C II] spectra over the map in Fig.

1, we find that the spectra show skewed profiles. This is

also the case for H13CO+(1-0) and C18O(1-0) which are

optically thin for excitation temperatures in the DR21

ridge down to 10 K. This suggests the presence of mul-

tiple components which we will address later on. The

selected positions in Fig. 1 represent typical lines in the

ridge (positions 1,2,3 & 5) and in the sub-filaments (po-

sitions 4 & 6). Note that the HCO+(1-0) spectra in the

ridge display strong self-absorption centered on the ve-

locities of peak emission for C18O(1-0) and H13CO+(1-

0), see Schneider et al. (2010) for more discussion. Fur-

thermore, it becomes obvious in Fig. 1 that HCO+(1-

0) has high-velocity wing emission towards DR21 and

DR21(OH), tracing the prominent molecular outflows

in these regions.

The [C II] spectra also show flat-topped and skewed line

profiles in Fig. 1. Since some bright [C II] regions

were found to experience [C II] self-absorption and opti-

cal depth effects (Graf et al. 2012; Guevara et al. 2020;

Kabanovic et al. 2022), we verified whether this could

be the case for the DR21 ridge. The [C II] spectra do

not show a noteworthy dip, seen for HCO+(1-0) which

argues against self-absorption. In App. C, the optical

depth of the [C II] line is calculated using the [13C II]

noise level which indicates a maximal optical depth of

τ = 1.7. In addition, we performed calculations with

RADEX (van der Tak et al. 2007) which indicates that

the optical depth for [C II] typically is below 1 for the

DR21 cloud. The [C II] line shape is thus not caused

by optical depth effects but rather by multiple velocity

components around the DR21 ridge. This also fits with

the observation in Fig. 4 that the peak [C II] emission is

displaced from the peak molecular line emission. There-

fore, we fit the spectra with multiple Gaussian velocity

components (see App. D) over the full map, and analyze

the goodness of the fit, with the BTS fitting algorithm

(Clarke et al. 2018). We find that the [C II] emission

in the range of −8 to 1 km s−1 consist of either one or

two velocity components that are typically separated by

∼ 2-3 km s−1. The first component is typically around

−4.5 km s−1 and the second one around −2.5 km s−1

(see Fig. 21 of App. D). The fitting results in Fig. 19

of App. D also show that the regions with multiple ve-

locity components are concentrated in the close vicinity

of the DR21 ridge.

3.3. The velocity field of the DR21 cloud

Even though the spectra are slightly more complex

than a single Gaussian in the -8 to 1 km s−1 velocity

range, we performed a single Gaussian line fitting on

the data sets to obtain information on the global veloc-
ity distribution and linewidth for the different tracers.

A fit was accepted when the brightness was higher than

3× the noise rms in the different tracers. Note that

moment maps might be better suited to give a view on

the global dynamics in the region. However, in large re-

gions of the observed map the signal-to-noise (S/N) of

the data is not abundant while excellent S/N is required

for producing trustworthy moment maps (e.g. Teague

2019). As a result, the produced first and second mo-

ment maps have large uncertainties in the subfilaments

and do not provide a good visualization of the velocity

field there.

The resulting velocity maps for the molecular lines are

presented in Fig. 6 and show similar velocity gradients

over the ridge as the ones presented in Schneider et al.

(2010) using only N2H+(1-0). We confirm that there

is not a single gradient perpendicular to the ridge, but
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Figure 6. Top left: Velocity map of 13CO(1-0) over the DR21 ridge and sub-filaments, obtained from fitting a single Gaussian
to the spectra. The uncertainty of the centroid velocity is below 0.15 km s−1 over the entire map. Overplotted on the map are
the Herschel column density contours at NH2 = 1022, 2×1022, 5×1022, 1023 and 5×1023 cm−2 which indicate the ridge as well
as the surrounding sub-filaments. The sub-filaments are indicated with their name from Hennemann et al. (2012). Top right:
The same for HCO+(1-0) without fitting inside the DR21 ridge because of the HCO+(1-0) self-absorption there. Bottom left:
The same for C18O(1-0). Bottom right: The same for H13CO+.

that the velocity pattern over the ridge shows organised

velocity gradients with altering orientation. These alter-

ing velocity gradients are mixed with a clear north-south

velocity gradient from -4.5 to -2.5 km s−1. Remarkably,

the velocities of the sub-filaments (N, F1N, F3N, F3S

and SW) in all lines is redshifted (vLSR ∼-2.5 to -1 km

s−1) with respect to the ridge (bulk emission around -3.5

km s−1). Only the F1S sub-filament at velocities around

-3.5 km s−1 is not significantly redshifted with respect to

the ridge but is not blueshifted either. Lastly, the south-

ern sub-filament appears slightly redshifted close to the

ridge, but more to the south this filament becomes less

redshifted with respect to the ridge. This observation

of dominantly redshifted sub-filaments and a complete

lack of a truly blueshifted subfilament with respect to

the ridge is noteworthy and confirms the observations

in the channel maps of 13CO(1-0) in Fig. 5.

The [C II] observations trace the lower density gas kine-

matics in the cloud, and thus provide a complementary

view on the surrounding gas kinematics in the cloud off
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Figure 7. Left: Velocity field observed with [C II]. The black contours indicate the Herschel column density contours at NH2

= 1022, 2×1022, 5×1022, 1023 and 5×1023 cm−2. The sub-filaments are indicated with their name. Right: The same for the
[C II] FWHM.

the dense filamentary structures. The velocity field is

shown in Fig. 7. There is, similar to the molecular line

observations, mostly systematically redshifted emission

(v∼-3 to -1 km s−1) in the cloud around the ridge. This

redshifted gas becomes increasingly prominent further

away from the ridge. In addition, Apps. D & E show

that there is an excellent correspondence in velocity of

the subfilaments and this redshifted [C II] emission, in-

dicating that the subfilaments are directly embedded in

this mass reservoir seen with [C II]. However, the [C II]

velocity field also shows additional features. In partic-

ular, blueshifted velocities down to v=-5 km s−1 are

found in localized regions directly east and north-west

of the ridge. No blueshifted gas is found further away

from the ridge and the F1S filament. This fits with

the observation in Fig. 4 that the average [C II] emis-

sion has an offset from the molecular line emission and

that it is associated with the presence of two [C II] ve-

locity components (at -4.5 and -2.5 km s−1) established

in the previous section. Lastly, from Fig. 20 in App.

D we also note that these regions with more blueshifted

velocities overlap with the regions that have two fitted

velocity components. In these regions the blueshifted

velocity component is thus the dominant source of emis-

sion which affects the observed velocity field.

3.4. Linewidths

The Gaussian line fitting also provides maps of the

FWHM for the spectra. The results for the optically

thinner lines C18O(1-0) and H13CO+(1-0) are presented

in Fig. 8. The C18O(1-0) map indicates, where detected,

that the sub-filaments have a lower FWHM than the

ridge, typically . 1 km s−1. In the ridge, a FWHM

between 1 and 2.5 km s−1 is observed (which typically

has two velocity components, see App. E). Notewor-

thy is the strong local increase of the FWHM up to 4

km s−1 at locations where the sub-filaments connect to

the ridge. This behaviour is also observed in the ve-

locity dispersion maps of N2H+(1-0) (Schneider et al.

2010) and NH3 (Keown et al. 2019). One would expect

that this is the result of overlapping velocity compo-

nents, associated to the sub-filament and the ridge, at

this connection. However, App. E shows that these re-

gions are best fitted with a single Gaussian component.

This suggests either that the overlapping velocity com-
ponents are closely blended together or that there is a

rapid change in the line-of-sight velocity field at the edge

of the ridge for example due to accretion shocks.

Comparing the FWHM maps for the molecular lines in

Fig. 8 with those of the [C II] line, we observe three

clear differences. Firstly, the [C II] line has a signifi-

cantly larger linewidth (typically > 4-5 km s−1) than the

molecular lines over the full map. Note that the largest

FWHMs are associated with the DR21 outflow which is

not the focus of our study. Secondly, the highest [C II]

FWHM values, excluding the DR21 outflow, are found

outside of the dense DR21 ridge, mostly in the east-

ern region without molecular dense sub-filaments. This

east-west asymmetry with respect to the ridge for the

[C II] linewidth is remarkable and seems to be correlated

with the lack of dense sub-filaments east of the ridge.
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Figure 8. Left: FWHM map of C18O(1-0) over the DR21 ridge and sub-filaments. The uncertainty of the FWHM is generally
below 0.1 km s−1 and always below 0.4 km s−1 over the entire map. Overplotted on the map are the Herschel column density
contours at NH2 = 1022, 2×1022, 5×1022, 1023 and 5×1023 cm−2. Right: The same for H13CO+(1-0).

Thirdly, examining the map in more detail, it is also ob-

served that the [C II] emission directly surrounding the

sub-filaments has a significantly larger linewidth than

the emission towards the sub-filaments. In Fig. 1, it

is observed that this broader [C II] linewidth is the re-

sult of the flat-topped spectra which are due to more

blueshifted [C II] emission with respect to the molecular

lines. This more blueshifted [C II] emission is the result

of the prominent blueshifted [C II] velocity component

found in App. D and thus is not necessarily the result

of higher turbulent support. This demonstrates that the

molecular lines miss an important part of the picture to

understand the full DR21 molecular cloud dynamics and

evolution.

4. ANALYSIS

4.1. The C+ column density and excitation

In Sect. 3.1, it was estimated that [C II] traces gas

between 5×102 and 104 cm−3. Here, we will explore

the excitation conditions and regions traced by the [C II]

emission in more detail. To determine the typical tem-

perature of the C+ gas, we consider the heating from

FUV photons. From the FUV field map calculated in

Schneider et al. (2016b), we find that the DR21 cloud is

located in an FUV field up to G0 = 200-400 Habing due

to heating from local UV source in the region (see also

Schneider et al. 2023). This fits with the typical line in-

tegrated [C II] intensity towards the surrounding cloud

of ∼ 50 K km s−1 which is expected for an FUV field of

G0 = 200 Habing in the PDR Toolbox (Kaufman et al.

2006; Pound & Wolfire 2008, 2023) at densities between

5×102 and 104 cm−3. For this FUV-field strength and

density range, the PDR Toolbox predicts temperatures

of 100-200 K for the [C II] emitting gas of the photo-

dissociation region (PDR).

With these excitation conditions, it is possible to pro-

duce the C+ column density map over the full extent

of the FEEDBACK map using the equation from Gold-

smith et al. (2012)

∆TA=3.43×10−16×
[
1+0.5e91.25/Tkin

(
1+ 2.4×10−6

Cul

)]−1 N(C+)
δv

(1)

with ∆TA the brightness temperature for a uniform

source that fills the beam, Tkin the kinetic tempera-

ture, Cul the collisional de-excitation rate, N(C+) the

C+ column density and δv the linewidth. Cul is given

by

Cul = n× Rul (2)

where Rul is the de-excitation rate coefficient given by

Rul = 3.8× 10−10 cm3 s−1 (Tkin/100)0.14 (3)
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Using a Tkin = 100 K and nH2
= 5×103 cm−3 then

gives C+ column densities N(C+) ≈ 0.4-1.0×1018 cm−2

over the extent of the cloud which is shown in Fig. 9.

However, note that these assumed excitation conditions

are not valid for the DR21 radiocontinuum region as it

is a dense and strongly irradiated PDR region. Com-

paring this C+ column density map with the deduced

H2 column density map from the Herschel data also al-

lows to estimate the [C+]/[H2] abundance ratio over the

map. This shows that we find a C+ abundance around

10−4 in the outer parts of the cloud around the ridge

and sub-filaments, which is of the order of the elemental

abundance ratio of carbon (χC) in the ISM (e.g. Glover

& Clark 2012). Basically all carbon is thus found in the

ionized state (C+) in these regions. Towards the sub-

filaments, we find under these conditions that ∼ 10%

of the gas is traced by [C II] and towards the ridge this

drops even lower to values between 0.1 and 1%. We do

however note that the density and temperature are an

important assumption. A higher temperature up to 200

K can reduce the C+ column density with ∼ 50% while

a lower temperature can increase the C+ column density

by a factor 2. A lower typical density of 103 cm−3 can

increase the column density with an additional factor 2.

However, such a N(C+) increase due to a low density

would result in a C+ abundance above the elemental

abundance. This suggest that a significant part of the

[C II] emission originates from regions with a typical den-

sity of nH2
∼ 5×103 cm−3. Combining this density with

the Herschel column density for the surrounding clouds

results in a maximal line-of-sight depth of 2 pc. This

implies that the surrounding cloud of the DR21 ridge

has a sheet-like morphology.

The same analysis is done for 13CO(1-0) in App. B. This

analysis indicates that the 13CO abundance peaks in

some sub-filaments and at the edges of the DR21 ridge.

The abundance then decreases in the ridge and in the

outer cloud. Both in the ridge and the outer part of

the cloud, 13CO(1-0) appears to trace only a fraction of

the total gas mass. Combined, this provides compelling

evidence that [C II] indeed traces most of the surround-

ing gas in the DR21 cloud. The regions surrounding the

ridge and sub-filaments are thus CO poor gas that lights

up in [C II]. In combination with the molecular line data,

[C II] thus provides a global view of the cloud.

4.2. Position-velocity diagram of the ridge

The position-velocity (PV) diagram perpendicular

to the DR21 ridge gives an additional view on the

cloud kinematics with respect to the ridge. Figure 10

shows PV diagrams for the optically thick -HCO+(1-

0) & 12CO(3-2)- and thin -H13CO+(1-0) and C18O(1-

Figure 9. Top: C+ column density map between -8 and
1 km s−1 assuming a kinetic temperature of 100 K and
nH2 = 5×103 cm−3 for the excitation conditions. Note that
these excitation conditions, which should be representative
for most of the map, are most likely not valid towards the
peak around the DR21 radiocontinuum region in the south
of the map as this region experiences strong internal heating.
Bottom: The resulting [C+]/[H2] abundance ratio deduced
from the Herschel column density map over the DR21 cloud
on a log scale.

0)- molecular lines observed with the IRAM 30m and

JCMT (see the red box in Fig. 3 for the covered re-

gion). It confirms that the emission from subfilaments

outside the ridge is at more redshifted velocities with re-

spect to the densest gas in the ridge. This gives rise to

a V-like shape in the PV diagram, similar to what was

observed for the Musca filament (Bonne et al. 2020a)

which has about the same size as the DR21 ridge but has
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Figure 10. Left: HCO+(1-0) PV diagram with the green and red contours indicating the emission from C18O(1-0) and
H13CO+(1-0), respectively. The PV diagram was constructed perpendicular to the filament from the region indicated by the
red box in Fig. 3 by averaging the intensities along declination axis in this box. The black triangles follow the peak brightness
velocity of 12CO(3-2) as a function of the distance (r) from the center of the ridge. This indicates that the gas is redshifted at
both sides of the ridge which is at a velocity of ∼ -3 km s−1 (indicated by the dashed horizontal line). At the ridge, there is a
large increase in linewidth, associated with the velocity gradients observed over the ridge in Fig. 6. This fits with the observed
HCO+(1-0) blue asymmetry in the PV diagram due to self-absorption in a collapsing cloud. Right: The [C II] PV diagram
perpendicular to the DR21 ridge over the same region with the blue line following the peak brightness velocity. On large scales
(|r| > 1 pc), the [C II] emission shows a redshifted V-shape followed with a sharp transition to more blueshifted emission at
(|r| < 1 pc) which makes the velocity profile deviate from a pure V-shape. To highlight this, we fitted a V-shape to the PV
diagram which is indicated in magenta. We interpret this to be due to a second more spatially concentrated velocity component
that is associated with the formation of the DR21 ridge. The Pearson coefficients for the central velocity as a function of radius
are -0.76 and 0.89 at the east and west of the ridge, respectively. This points to a relatively well organized, but not perfect
correlation, for the central velocity with radius.

a two orders of magnitude lower mass. For the Musca

filament this was proposed to be the result of magnetic

field bending by the interaction of an overdensity with

a more diffuse region in the colliding H I cloud. As for

this previous study of the low-mass Musca filament, the

DR21 ridge is located at the apex of this V-like shape.

However, the V-shape for DR21 in molecular lines is

not as clear as the ones observed in Musca. This can

be related to the rapid linewidth increase within 1 pc

of the DR21 ridge, while the Musca filament is trans-

sonic (Hacar et al. 2016; Bonne et al. 2020a). Such a

rapid linewidth increase in the densest regions is pre-

dicted to be the result of pc scale gravitational acceler-

ation in massive clouds (e.g. Peretto et al. 2006, 2007;

Hartmann & Burkert 2007; Gómez & Vázquez-Semadeni

2014; Watkins et al. 2019) and could also be the result

of accretion driven turbulence (Klessen & Hennebelle

2010). A gravitational collapse scenario is also sup-

ported by the strong blue asymmetry self-absorption of

HCO+(1-0) that covers the same velocity interval as the

perpendicular velocity gradients over the ridge (Schnei-

der et al. 2010).

Figure 10 also presents the [C II] PV diagram which

traces the surrounding gas in the DR21 cloud. The

PV diagram shows that the surrounding gas forms a

redshifted V-shape perpendicular to the DR21 ridge on

large scales (|r| > 1 pc). The Pearson correlation co-

efficients for the central [C II] velocity as a function of

radius are -0.76 and 0.89 on the east and west side of

the ridge, respectively. With bootstrapping we find that

these coefficients are far out of the 95% intervals for the

null hypothesis that there is no correlation, i.e. [-0.19,

0.20] (east) and [-0.18, 0.17] (west), and thus demon-

strate a clearly organized velocity field perpendicular to

the ridge. As the cloud appears to be organized in a

sheet, this points at a curved sheet. However, in [C II] it

is also observed that there are deviations from a pure V-

shape due to blueshifted emission in the vicinity of the

ridge at |r| ∼ 1 pc. This deviation from the V-shape is

particularly visualized in the PV diagram by the sharp

peak velocity transition at |r| ∼ 1 pc and might explain

why the Pearson correlation coefficients are not equal to

one. We propose that this traces two distinct but con-

verging velocity components at -4.5 and -2.5 km s−1 in

the DR21 cloud that drive continuous mass inflow to the

DR21 ridge which is located at the intersection of these

flows.

4.3. Convergence of blue- and redshifted gas in the

DR21 cloud
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The molecular line observations demonstrated the ex-

istence of an organized velocity field over the ridge, sim-

ilar to the results presented in Schneider et al. (2010).

This internal velocity field is proposed to be connected

to the inflowing sub-filaments in the surrounding cloud,

and is typically considered to be tracing inflow. Us-

ing 8 µm observations from the Spitzer Space Telescope

(Hora et al. 2009), we attempt to portray a 3D configura-

tion of the ridge and sub-filaments. Inspecting the 8 µm

map of the DR21 cloud (Fig. 11), it becomes obvious

that heavily reduced 8 µm emission (’IR-dark’) traces

regions inside the ridge, except for the bright compact

sources at DR21 and DR21(OH) which shows internal

regions heated by stellar/YSO feedback. Consequently,

this indicates that the gas associated with strong 8 µm

extinction is located at the front side of the DR21 ridge

with NH2 > 1023 cm−2, as this is a foreground layer

absorbing 8 µm emission. The region of the ridge with

more extended 8 µm emission is then located towards

the back of the DR21 ridge. Towards the sub-filaments

similar, but lower contrast, 8 µm extinction is observed.

The overlay of the 8 µm map with contours of molecular

and [C II] line emission at v = -4.6 km s−1 and -1.6 km

s−1 indicates that the most blueshifted molecular line

emission corresponds to the extended 8 µm emission fea-

tures, while the redshifted line emission corresponds to

the darkest 8 µm regions. This clearly indicates that the

redshifted gas is located in front of the blueshifted gas

from our point of view, which confirms that the flows in

the ridge and cloud are indeed converging. The red- and

blueshifted velocity component that make the V-shape

in the PV diagram are thus accreted on the ridge. Note

that there are several contaminants (DR21, protostellar

objects,...), a lower contrast and a more complex con-

tour distribution that make the [C II] map less straight-

forward to evaluate. Nonetheless, there is a clear associ-

ation at several locations between the distribution of the

redshifted gas and 8 µm extinction in the surrounding

cloud that is traced by this line.

4.4. Virial analysis of the DR21 cloud

In Schneider et al. (2010) it was found that the DR21

ridge is gravitationally collapsing. With the newly ob-

tained data sets, we can further investigate the global

stability of the molecular cloud as a function of its ra-

dius, centered on the column density peak in DR21(OH).

This is done with the different tracers by estimating the

gravitational potential energy, the turbulent energy and

the magnetic energy. In this analysis, the density profile

of the cloud might affect the results that use the simple

equations below which correspond to a sphere with uni-

form density. The same is valid for the more sheet-like

morphology that we propose for the surrounding DR21

cloud to maintain a plausible C+ abundance. However,

the impact of these differences from a uniform sphere

are predicted to be relatively small (. 50% for typical

clump density profiles and a not too flattened ellipsoid

cloud based on Bertoldi & McKee 1992). Therefore, con-

sidering the uncertainties, we think the analysis below

is reasonable.

The thermal and turbulent energy is calculated using

ET =
3

2
Mσ2 (4)

with M the mass in the region determined from the

Herschel dust column density map and σ the velocity

dispersion of the studied region (which we approximate

here with the observed linewidth as there is no direct

measure of the kinetic temperature). The gravitational

energy is determined by

EG = −3

5

GM2

R
(5)

where G is the gravitational constant and R the radius.

The magnetic energy is calculated using

Emag =
1

2
M V2

A (6)

with VA the Alfvén speed, which is given by VA = B√
µ0ρ

with µ0 the vacuum permeability, ρ the density, and B

the magnetic field strength.

The evolution of mass as a function of radius from

DR21(OH) is shown in Fig. 12. The increase in mass

flattens as a function of radius at r > 1.5 pc which is

expected with mass concentration in the ridge. For the

error on the mass, we assume an uncertainty of 15% for

the derived column density as this corresponds to typical

differences when creating the column density map with

different methods (e.g. Peretto et al. 2016). To estimate

the thermal and turbulent internal support of the cloud,

we assume that the linewidths of the observed lines, i.e.
13CO(1-0), C18O(1-0), H13CO+(1-0) and [C II], are a

good proxy. This turns out to be a good approximation

as their linewidth is dominated by non-thermal motion.

Note, that this approach ignores that a significant part

of the linewidth might be associated with organized

convergent flows driven by gravitational collapse or in-

ertial motion instead of internal support (Traficante

et al. 2018a,b, 2020) and that we have demonstrated

the presence of multiple velocity components associated

with inflow. The linewidth as a function of radius for

the three considered molecules is presented in Fig. 12.

It shows an increasing linewidth towards small radii and

a fairly constant linewidth at r > 1.5 pc. The increasing
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Figure 11. Spitzer 8 µm image of the DR21 cloud overlaid with velocity contours of C18O(1-0) (left) and [C II] (right) at -1.6
km s−1 and -4.6 km s−1, and overlaid with the Herschel column density (middle). The northern and southern part of the ridge
shows 8 µm extinction, i.e. is ’IR-dark’, while in the middle there is strong emission at the locations of DR21 and DR21(OH).
Some protostellar sources show up as localized emission spots. Outside of the ridge, the 8 µm emission is extended, rather diffuse,
with some feather-like features. The contours of C18O(1-0) indicate that the more blueshifted emission is located towards the
region with IR emission in the ridge, while the redshifted emission is concentrated towards the strong 8 µm extinction. The
structure of the [C II] emission is more complex as it more diffuse and also affected by the feedback in DR21 and local protostellar
sources (e.g. around DR21(OH)). However, there is overall a correspondance on the large scales of the blueshifted gas to bright
Spitzer 8 µm regions and redshifted gas to 8 µm extinction. The figure in the middle indicates the location of DR21, DR21
(OH) and DR21-N for reference of their location.

linewidth towards the ridge can fit with gravitationally

driven inflow. This would also fit with predictions by

Traficante et al. (2020) since most of the mass in the

DR21 cloud has column densities � 0.1 g cm−2 (i.e.

NH2 � 2.6×1022 cm−2). The estimated kinetic support

based on the linewidth is thus an upper limit on the

turbulent support, and might significantly overestimate

it. We do have to note that the current IRAM 30m do

not entirely cover the studied radii, but the [C II] data

showed that these regions are highly CO-poor.

Determining the magnetic field in the cloud as a func-

tion of its size is the most uncertain quantity because

there are only a few dust polarization magnetic field

observations in the region. Based on these observations,

it was proposed in Ching et al. (2017) that the magnetic

field strength in the DR21 ridge is 0.94 mG. Therefore,

we used two approaches to estimate the magnetic field

strength evolution in the cloud. First, we make use of

the magnetic field strength relation from Crutcher et al.

(2010) which is given by

B =

{
0.01 mG (nH < 300 cm−3)

0.01 ( nH

300 )0.65 mG (nH > 300 cm−3)
(7)

Secondly, we use B ∝ nk
H and start from the constraint

that the magnetic field strength is 0.94 mG at the den-

sity of the ridge. To extrapolate the relation, we use

two values: k = 0.5 and k = 0.67. These exponents

represent two asymptotic cases: k = 0.67 is generally

considered to describe the case where the magnetic field

is dominated by gravitational collapse, and k = 0.5 the

case where the magnetic field plays an important role in

support against gravitational collapse (e.g. Basu 1997;

Hennebelle et al. 2011). The resulting magnetic field

strengths as a function of radius for the different esti-

mates are shown in Fig. 12. Over the full cloud there

is an uncertainty up to a factor 4 for the magnetic field

strength based on the different relations used. This will

thus have a significant impact on the magnetic energy

as will be shown in the next paragraph.

The calculated energy terms are shown in Fig. 13 &

Fig. 14, compared to the gravitational energy. The

thermal and kinetic energy, estimated from the veloc-

ity dispersion, is very similar for the different molecules

and has values < 20% of the gravitational energy. In

addition, it was pointed out that these values likely are

an upper limit. The relation for [C II], tracing the lower

density gas, is different as it reaches up to 40-60% of

the gravitational energy. This seems to suggest that in

the lower density gas, which is particularly found at r

> 2-3 pc, there might be significant thermal or turbu-

lent support. However, it has to be taken into account

that we found multiple velocity components which do

not necessarily contribute to support against collapse

in the region. The magnetic field energy depends on

its assumed field strength evolution. Assuming k = 0.5

indicates that the cloud can experience some support

from the magnetic field on large scales (∼ 3-4 pc), but

gradually this magnetic support decreases leading to an

increasing importance of gravitational collapse when ap-



16 Bonne et al.

proaching the ridge (r < 3 pc). Assuming k = 0.67, the

magnetic field provides little support at low densities

while the higher density regions towards the ridge (r < 1

pc) experience an increased importance of the magnetic

field. Yet, in both cases the values still indicate that

the gravitational energy dominates over the cloud. This

becomes particularly evident in Fig. 14 where the total

support terms over the gravitational terms are plotted.

This shows that only considering k = 0.5 and the ve-

locity dispersion of the [C II] emission allow for support

against gravitational collapse, but this ignores that the

[C II] velocity dispersion might not be associated with

mass inflow rather than turbulent support.

5. DISCUSSION

Combining the results and analysis from Sects. 3 and

4, we will now discuss the cloud evolution leading to

high-mass star formation in the DR21 ridge.

5.1. Magnetic field bending followed by gravitational

collapse in the DR21 ridge

From the fitted velocity maps and PV diagrams we

found indications of an accelerating velocity field, based

on the rapid linewidth increase in the ridge and a

blueshifted asymmetry in the self-absorbed molecular

lines towards the ridge. Additionally, the observations

showed that basically all sub-filaments and the sur-

rounding cloud appear to be organized in a flattened

structure that gives rise to a redshifted V-shape per-

pendicular to the ridge. [C II] also displays a second

blueshifted velocity component that is localized in the

vicinity of the ridge and looks like a more localized

blueshifted V-shape.

The accelerating velocity field can be the result of the

proposed gravitationally driven inflow (e.g. Peretto et al.

2006; Hartmann & Burkert 2007). However, to explain

the observed redshifted V-like velocity field in the sur-

rounding cloud, as well as the systematic redshift of the

sub-filaments, we have to consider the apparent flat-

tened geometry of the molecular cloud. If the flattened

geometry is curved, this can provide a straightforward

explanation for the observed velocity field if this curved

sheet geometry is associated with the magnetic field

bending in a collision as predicted by (Hartmann et al.

2001; Inoue & Fukui 2013; Vaidya et al. 2013; Inoue

et al. 2018; Abe et al. 2021). The presence of a strong

magnetic field in the compressed sheet might then even

initially prevent gravitational acceleration and signifi-

cantly affect the velocity field until the massive ridge

is reached. We note that this is the same mechanism

that was also proposed to explain the observations to-

ward the Musca cloud that has a very similar kinematic

Figure 12. Top: Radial profile of the average density in
the DR21 cloud (in black). The average density within each
radius was estimated based on the mass within the consid-
ered radius. The mass within the radius r, is shown at the
axis on the right (in red). Middle: The same for the ve-
locity dispersion of H13CO+(1-0) (in blue), 13CO(1-0) (in
red), C18O(1-0) (in green) and [C II] (in cyan). The molec-
ular lines show very similar behaviour while the [C II] line
has a significantly higher linewidth. However, note that at
the outer radii (r ∼ 3-4 pc) the cloud is not fully covered by
the IRAM 30m map (Figs. 1 and 2). Bottom: Estimated
characteristic magnetic field strength for the the gas within
a radius for the three different considered profiles. The green
curve shows the predictions by the Crutcher et al. (2010) re-
lation. The red and blue curves use a magnetic field strength
of 0.94 mG at the density of the ridge and k = 0.5 and 0.67,
respectively, in B ∝ nk

H.

V-shape perpendicular to the filament (Bonne et al.

2020b). There, it was proposed that Musca formed at

the apex of a bent magnetic field as the result of an

overdensity interacting with diffuse H I gas in a collid-

ing flow. In fact, the DR21 region is proposed to be

in a high-velocity (vcol & 20 km s−1) collision with

the diffuse, mostly atomic, regions of the other velocity

component between vLSR = 9 and 15 km s−1 in the



DR21 17

Figure 13. Ratio of the magnetic (left) and thermal + kinetic energy (right) over the gravitational energy as a function
of the radius in the DR21 cloud. The radius is centered on DR21(OH). For the thermal + kinetic energy, the linewidth of
H13CO+(1-0), 13CO(1-0), C18O(1-0) and [C II] are used. It appears that the regions of cloud traced by [C II] experience more
support against gravitational collapse than the molecular regions. However, the presence of multiple components has to be kept
in mind which makes this an upper limit. The three approaches to estimate the magnetic field support are displayed on the left.
It shows that the magnetic support is always smaller than the gravitational energy, but that the importance strongly depends
on the assumptions for the magnetic field strength evolution.

Cygnus-X region (Schneider et al. 2023). This points

to the same formation mechanism for the DR21 cloud

as for the Musca cloud. However, Cygnus-X region is

more than an order of magnitude more massive than the

Chamaeleon-Musca region (e.g. Reipurth & Schneider

2008) and the collision velocity is higher, which can ex-

plain why the DR21 ridge is forming massive stars (e.g.

Dobbs et al. 2020; Liow & Dobbs 2020). The second

[C II] velocity component we found in the vicinity of the

DR21 ridge at vLSR ∼ -4.5 km s−1 is then likely gas

associated with the &20 km s−1 collision, responsible for

the formation of the DR21 ridge, that leads to accretion

on the ridge from the blueshifted side.

One could consider the scenario that the DR21 cloud

is a swept-up shell created by expansion from a local

bubble. However, there is no evident massive cluster

candidate near the DR21 cloud that could drive the

expansion of such a massive region (Maia et al. 2016)

and the study of the multiple velocity components by

Schneider et al. (2023) does not unveil a typical expand-

ing shell morphology in the region.

In summary, we propose that the DR21 ridge was formed

as the result of a high-velocity collision in the Cygnus-X

region which bends the magnetic field around the ridge.

This bending is at the origin of the inflow seen in the

form of a kinematic V-shape in the flattened surround-

ing cloud. However, due to the high-density in the

compressed cloud, gravity increasingly starts to domi-

nate the curved kinematics driven by the magnetic field

bending. This explains the observed accelerated motion

in the ridge and the results from the virial analysis.

The proposed scenario thus provides a comprehensive

explanation for the rich set of observations that trace

the density range of the DR21 cloud. Observations that

trace the line-of-sight magnetic field morphology, and

thus the proposed bending, would be invaluable to fur-

ther test this scenario.

Lastly, we note that gravity did not take over the cloud

kinematics in Musca (Bonne et al. 2020a). This is an

important difference because the increasing importance

of gravity on larger scales in the DR21 cloud allows more

effective mass provision to the center(s) of collapse, e.g.

the DR21(OH) and DR21-N clumps (Schneider et al.

2010).

5.2. Mass accretion on the DR21 ridge

The mass inflow towards the ridge guided by the sub-

filaments can be estimated using Ṁacc = N πR2vinfn

(Schneider et al. 2010; Peretto et al. 2013), with N

the number of inflowing filaments, R the radius, n the

density and vinf the velocity of the infalling filaments.

Working with 7 molecular inflowing subfilaments with n

= 105 cm−3, R = 0.1 pc (Hennemann et al. 2012) and

an inflow velocity of 1-2 km s−1, we get an estimated

mass accretion rate of 1.3-2.6×10−3 M� yr−1 similar to

the estimate of Schneider et al. (2010). In Schneider

et al. (2010), it was also shown that the F3 sub-filament

continues its flow towards the DR21(OH) clump in the

ridge and may provide inflow to multiple MDCs. How-

ever, this mass inflow rate is roughly an order of mag-

nitude lower than the required mass accretion rate (∼
10−2 M� yr−1) to replenish the DR21 ridge within 1

Myr.
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Figure 14. The ratio of the energy terms that provide
support, i.e. Eth+kin and EB , over the gravitational energy
as a function of radius in the DR21 cloud. This is shown
for [C II] (top), which has the largest linewidth, and C18O(1-
0) (bottom), which has the smallest linewidth. Only when
considering [C II] and a k=0.5 evolution of the magnetic field
do the support terms get larger than the gravitational energy
at r > 3 pc.

Taking into account that the mass inflow probably also

happen off the sub-filaments, we can calculate this con-

tribution of mass inflow to the ridge. We consider inflow

over the full surface of the ridge for which we assume a

cylindrical geometry with R = 0.36 pc and L = 4.15

pc (Hennemann et al. 2012). For the inflow, we work

with a velocity of ∼ 1-2 km s−1 and n = 104 cm−3,

which is justified by NH2 ∼ 3×1022 cm−2 within the

1 pc vicinity of the ridge. This density is at the high

range of densities in the ambient gas, which can be ex-

pected if the gas is gravitationally concentrated when

approaching the ridge. These values give an estimated

mass accretion rate of 0.56-1.1×10−2 M� yr−1, which

can replenish the DR21 ridge in 1-2 Myr. Note that this

might be an overestimate up to a factor ∼2 as the inflow

is predominantly sideways in the sheet and not uniform.

1-2 Myr is an expected lifetime for the DR21 ridge when

taking the expression from Clarke & Whitworth (2015)

for the timescale of a free-fall longitudinal collapse for a

filament

τff = (0.49 + 0.26 A)(G ρ)−
1
2 (8)

where A (= 5.8) is the initial aspect ratio of the filament

half length over the filament radius and ρ (= 3.9×10−19

g cm−3) the average density of the ridge. This results

in a τff of 0.39 Myr. Considering support against lon-

gitudinal collapse from the magnetic field, which is per-

pendicular to the DR21 ridge at the center (Vallée &

Fiege 2006; Matthews et al. 2009; Ching et al. 2022),

1-2 Myr likely is an appropriate time scale to replenish

the DR21 ridge. We thus propose that the DR21 ridge

can be continuously replenished by mass inflow from the

surrounding cloud.

Only when feedback from the newly formed massive

stars disperses the dense ridge and prevents further mass

accretion it will end active high-mass star formation.

This dispersal of the ridge by stellar feedback, which is

proposed to happen on relatively short timescales after

the first massive stars form (Hollyhead et al. 2015; Luisi

et al. 2021; Chevance et al. 2022; Bonne et al. 2022b)

(i.e. . 3 Myr), might thus be important to maintain a

low star formation effiency (SFE). Even though stellar

feedback might halt mass provision to the ridge, it is

observed around the DR21 radiocontinuum source that

regions of dense gas a bit further out, in particular the

nearby sub-filaments (S & SW), remain present. This

might be able to maintain continued lower mass star for-

mation while stellar feedback is already dispersing the

ridge. For example, low-mass cores were detected in the

sub-filament F3 (Hennemann et al. 2012).

5.3. The link with high-mass star formation

The above scenario implies that high-mass star for-

mation might only occur over an interval of the total

star formation time in a cloud. In the DR21 cloud, the

formation of high-mass stars would be directly related

to the lifetime of the massive ridge. This potentially

shorter phase of high-mass star formation might fit with

the observed shallow slope of the core mass function

(CMF) in high-mass star forming regions (Motte et al.

2018b; Liu et al. 2018; Pouteau et al. 2022) compared

to the power law tail of the initial mass function, as well

as the slightly shallower initial mass functions (IMF)

in young clusters (< 4 Myr) of Cygnus-X (Maia et al.

2016). However, further work with e.g. the ALMA-IMF

sample (Motte et al. 2022), will be needed to better un-

derstand the evolution of these top-heavy CMFs in high-

mass star forming regions and how it connects with the

IMF of young stellar clusters as well as the evolution of

high-mass star forming clouds and filaments (Pouteau

et al. 2022).
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6. CONCLUSION

We have presented new molecular line data of 13CO(1-

0), C18O(1-0), HCO+(1-0) and H13CO+(1-0) from the

IRAM 30m telescope and a [C II] map from the FEED-

BACK SOFIA legacy survey of the DR21 cloud. In

this study, we exclusively focus on the emission between

-8 km s−1 and 1 km s−1, which is associated with the

DR21 cloud, for all lines.

The molecular lines trace the dense ridge (NH2
>1023

cm−2) and sub-filaments while [C II] traces the sur-

rounding molecular cloud (i.e. NH2
. 1022 cm−2) that

embeds these filamentary structures. We demonstrate

that this surrounding cloud seen with [C II] is mostly

CO poor. Both in the molecular and [C II] spectra we

find indications of more than one velocity component

within the studied velocity range. We also note there is

an offset for the peak velocity in the cloud between the

[C II] and molecular lines, confirming they trace differ-

ent regions of the cloud. Inside the ridge, the molecular

lines confirm the results from Schneider et al. (2010)

while the observations of the sub-filaments show they

are systematically redshifted with respect to the ridge.

The [C II] kinematics show a redshifted V-like shape, be-

tween -3 and -1 km s−1, perpendicular to the ridge that

intersects with a more blueshifted velocity component

(at vLSR ∼ -5 km s−1) at the location of the ridge. We

confirm that these two intersecting velocity components

converge, and that there is continuous mass accretion on

the DR21 ridge. The V-shape velocity field embeds all

the redshifted sub-filaments, and density requirements

to explain the observed [C II] emission indicate that the

V-shape has a flattened morphology. Tracing the CO

poor gas, seen in [C II] towards the DR21 cloud, is thus

essential for a comprehensive view on cloud evolution

and filament formation.
Performing a virial analysis, including estimates for the

magnetic field support, we find that the cloud should be

gravitationally collapsing on pc scales. The surround-

ing gas traced by [C II] appears to have more support

against gravitational collapse, but this does not take

into account the organised velocity field and presence of

two velocity components that are not associated with

turbulent support.

We propose that there is continuous mass accretion

onto the DR21 ridge. This accretion is initiated by the

bending of the magnetic field around the ridge due to

a large-scale collision. In this collision, an overdensity

is compressed into a dense filament/ridge during the

interaction with diffuse atomic regions of the colliding

cloud. However, because of the high density in the DR21

cloud, gravity is taking over the cloud dynamics which

facilitates rapid mass provision to a (few) center(s) of

collapse where massive clusters are forming. We found

that the continuous mass inflow, visible thanks to [C II],

can replenish the ridge. Therefore we propose that the

DR21 ridge will remain present until stellar feedback

will disperse it and halt massive star formation

Lastly, we note that this scenario is the same as proposed

for the low-mass Musca cloud (Bonne et al. 2020a),

except for the increasing importance of gravitational

collapse in the massive DR21 cloud. This hints that

the same scenario might be at the origin of filament

formation in both a low- and high-mass star forming

region. Furthermore, recent magnetic field and velocity

observations of some nearby low- and high-mass star

forming regions (e.g. Tahani 2022; Arzoumanian et al.

2022) appear to have a straightforward explanation in

this scenario. This leads us to tentatively propose that

these types of collisions are a widespread mechanism

in the Milky Way to initiate a wide variety of star

formation activity in the Milky Way.
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Figure 15. The [C II] integrated intensity map from -8 to 1 km s−1 as in Fig. 3. Here, the contours indicate the JCMT
12CO(3-2) emission starting at 20 K km s−1 with incremental steps of 20 K km s−1.

A. [C II] AND JCMT 12CO(3-2) OBSERVATIONS

In Fig. 15 we present a comparison of the [C II] integrated intensity and JCMT 12CO(3-2) integrated intensity.

This JCMT data over the full Cygnus-X region will be the topic of a forthcoming paper. Because of the larger

column density than for 13CO, the 12CO emission is detected further into the cloud compared to 13CO (see Fig.

2). However, 12CO still is particularly sensitive to the massive ridge and surrounding subfilaments and has a clearly

distinct morphology compared to [C II]. This confirms that [C II] provides a unique view on the lower-column density

gas that is not accessible with molecular lines.

B. THE 13CO ABUNDANCE

The calculation of the 13CO column density map allows to estimate 13CO abundance based on the background

subtracted Herschel column density map (Schneider et al. 2016a). This then allows to explore which regions of

the cloud are traced by the observed 13CO(1-0) transition. The calculation of the 13CO column density follows the

calculations presented in (Mangum & Shirley 2015). Below we recapitulate the equations and values used. Note that

these equations assume that the molecule is optically thin. This assumption is not necessarily valid for 13CO(1-0) over

the full map, in particular at the ridge. However, due to the high density in the ridge, which will result in freeze-out

of the molecule, the opacity should not be excessive even in these regions of very high column density. When studying

the outer regions of the ridge and the ambient gas, C18O is barely detected which implies that the 13CO opacity will

not be significantly above 1 for standard isotopologue ratios. Nonetheless, it has to be kept in mind this assumption

is a limitation of the calculations below.

The total column density is then calculated from

N[cm−2] = f(Tex)

∫
Tmbdv (B1)

Here Tmb is the main beam brightness in Kelvin, v the velocity in km s−1 and f(Tex) is given by

f(Tex) =
3hZ

8π3µ2Jt

exp(hν/kTex)

[1− exp(−hν/kTex)](J(Tex)− J(TBG))
(B2)

In this equation, Z is the partition function

Z =
2kTex

hν
+ 1/3 (B3)
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Figure 16. Map of the 13CO abundance on a log-scale over the DR21 cloud. This is deduced from the 13CO(1-0) intensity, a
kinetic temperature of 18 K and the Herschel column density map. The white contours indicate the Herschel column density
map at N = 1022 cm−2, 3×1022 cm−2, 1023 cm−2 and 4×1023 cm−2.

with k the Boltzmann constant, h the Planck constant, ν the transition frequency (for 13CO(1-0) this is 110.201 GHz)

and Tex the excitation temperature for which we assume a value of 18 K, see also Schneider et al. (2010).

Further in the equation of f(Tex), µ is the dipole moment (for 13CO(1-0) this is 0.112 Debye), Jt is the upper value of

the rotational quantum number (i.e. 1) and J(Tex) is given by

J(Tex) =
hν

k[exp(hν/kTex)− 1]
(B4)

For the background (BG), a temperature of 2.73 K is assumed based on the cosmic microwave background (CMB).

The estimated 13CO abundance map, based on the Herschel column density map, is presented in Fig. 16. Us-

ing the assumptions above, 13CO is most abundant at the edges of the ridge and in the sub-filaments (F3N, F3S and

SW in particular). Inside the ridge, there is a significant decrease with increasing column density, see also Fig. 17,

which is expected because of CO depletion at densities nH2
> 104 cm−3. To trace the DR21 ridge kinematics, one thus

needs to rely on tracers like HCO+, N2H+ and deuterated molecules to probe the very dense gas of the ridge. In the

surrounding cloud, at NH2
< 1.5×1022 cm−2 where 13CO is detected, there is also an observed lower 13CO abundance.

Indeed, Fig. 17 shows that the 13CO abundance starts decreasing again towards lower column densities. This is the

result of an increasing CO dark gas fraction in the DR21 cloud below these column densities. From Fig. 17, it is also

observed that at NH2
< 1.5×1022 cm−2 the [C II] abundance continues to increase up to the typical carbon abundance

in the ISM. This indicates that [C II] allows to trace the CO dark gas in the surrounding DR21 cloud.

C. THE [C II] OPTICAL DEPTH

In order to constrain the [C II] optical depth towards the DR21 cloud, and in particular the ridge, we work with the

average spectrum over the ridge in order to reduce the noise rms. This decrease in noise rms is important in order to

try and detect the [13C II] hyperfine structure lines that are located at -65.2 km s−1 (F = 1-0), 11.7 km s−1 (F = 2-1)

and 62.4 km s−1 (F = 1-1) with respect to the [C II] line. The hyperfine structure lines have a relative strength of 0.25

(F = 1-0), 0.625 (F = 2-1) and 0.125 (F = 1-1). Ideally one thus works with the F = 2-1 transition, but this line is

very close to the actual [C II] emission and contaminated by the observed bridging with a higher velocity component
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Figure 17. Top: 13CO abundance as a function of the Herschel column density for all pixels in the map. Bottom: The same
for the C+ abundance.

(Schneider et al. 2023). At the location of the F = 2-1 transition no indication of additional [13C II] emission is found,

see Fig. 18 but we will not work with this transition because of the confusion from the actual [C II] emission. Therefore

we focus on the second brightest transition (F = 1-0) at -65.2 km s−1. Fig. 18 shows that this transition is not detected

at a noise rms of 7.6×10−1 K within 0.5 km s−1 for the averaged spectrum. Although not detected, we still try to

obtain an idea of the optical depth associated with this noise level. This can be done using the equation

Tmb,12

Tmb,13
=

1− e−τ

τ
α (C5)

With τ the optical depth and and α the local 12C/13C abundace for which we take a value of 60 (Wilson & Rood

1994) and a correction factor of 0.25 for the relative strength of the F = 1-0 transition. Then using the noise rms value

(7.6×10−1 K) results in an optical depth of τ = 1.7. Since the F = 1-0 transition is not detected, this indicates τ =

1.7 rather is an upper limit which indicates that the [C II] line is optically thin or marginally optically thick at best

towards the DR21 ridge.

To further investigate the potential optical depth of the [C II] line, we also run RADEX simulations (van der Tak

et al. 2007) using input values obtained in this paper for the [C II] emitting region towards the DR21 ridge. These

calculations are presented in Tab. 2 which shows that the predicted optical depth typically is below unity. Note that
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Figure 18. Left: [13C II] F = 1-0 transition shifted to the same velocity as the [C II] line. There is no detected counterpart for
this [13C II] transition at the velocities of the DR21 ridge component. Middle: The same for the [13C II] F = 1-1 transition.
Right: The same for the [13C II] F = 2-1 transition. For this transition, there is confusion from the higher velocity components
(Schneider et al. 2023). Therefore, we do not use this transition here.

N(C+) (1017 cm−2) Tkin (K) nH2 (cm−3) FWHM (km s−1) τ TR (K)

5.0 30 104 4.0 7.7×10−1 1.6

5.0 50 104 4.0 6.1×10−1 5.2

5.0 75 104 4.0 4.7×10−1 9.0

5.0 100 104 4.0 3.9×10−1 1.2×101

8.0 30 104 4.0 1.2 2.2

8.0 50 104 4.0 9.7×10−1 7.4

5.0 30 103 4.0 8.2×10−1 4.3×10−1

Table 2. Results produced with RADEX for conditions (N(C+), nH2 , Tkin, FWHM) that could be representative of the [C II]
emitting gas. TR is the radiation temperature, which is equivalent to the main beam temperature under the assumption that
the beam filling is unity (this should be a reasonable assumption seeing the extended [C II] emission). The optical depth (τ)
predictions are basically always below unity which suggests relatively optically thin [C II] emission.

the highest obtained optical depths, which are still only of the order of unity and occur at Tkin ≈ 30 K, have a too

low corresponding line brightness such that they likely are not representative for the observed emission. This is in

agreement with the results from Sec. 4.1 which indicates that the kinetic temperature in the [C II] emitting gas is likely

of the order of 100 K (for which we obtain lower optical depths).

D. [C II] MULTI-COMPONENT FIT

As the [C II] emission likely is not optically thick, we examine here whether more than one Gaussian component is
required to explain the observed [C II] line spectral line profiles. To fit all spectra over the full map within the -8 to

1 km s−1 velocity range, we employ the Beyond The Spectrum (BTS) fitting tool which is updated with the Akaike

Information Criterion (AIC) (Clarke et al. 2018, 2019, in prep.). However, we do exclude the DR21 radiocontinuum

source and associated outflow from the analysis. As the [C II] noise rms is still relatively high at the native resolution,

which can mask multiple velocity components, we smoothed the data to a spatial resolution of 30′′. This value was

taken to balance significantly reducing the noise rms while avoiding the inclusion of large velocity gradients in a single

beam which would give rise to additional velocity components. Note that the 30′′ data is also used in Schneider et al.

(2023). In the fitting iteration procedure, when a fit has been done with n velocity peaks the fit will be repeated with

n-1 and n+1 velocity peaks and the corrected AIC is calculated for each new fit. Then the fit with the smallest number

of velocity peaks is chosen unless a higher number of velocity peaks is smaller by ∆AIC > 10 (see e.g. Clarke et al.

(2019) for the equations). This process is iterated until the number of peaks does not change anymore. The defined

∆AIC parameter was found to be robust not to overfit noisy spectra, in particular for large spectral cubes (Clarke et

al. in prep.).

The resulting number of velocity components over the map in the -8 to 1 km s−1 velocity range are presented in Fig.

19. This demonstrates that the regions with two velocity components are in particular located at the edge of the DR21

ridge. To test this result, we also fitted the [C II] data cube between -8 and 1 km s−1 at the 20′′ resolution. This

demonstrated a similar spatial distribution of the two velocity components. Only, because of the higher noise rms, the
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Figure 19. Number of fitted velocity components within the -8 to 1 km s−1 velocity range. The white box indicates the region
around the DR21 radio continuum source and its associated outflow which artificially increases the number of fitted velocity
components. The white contours indicate the Herschel column density at NH2 = 1022, 3×1022, 1023 and 4×1023 cm−2.

Figure 20. Left: [C II] velocity field from Fig. 7 with the black contours indicating the regions that are fitted with two velocity
components between vLSR -8 and 1 km s−1. Right: The same for the [C II] FWHM map.

procedure found less pixels with two velocity components. Comparing the number of velocity components with the

[C II] velocity field in Fig. 20, we find that regions with two velocity components have a close spatial correlation with

the regions that have a blueshifted velocity in [C II]. This confirms that the location of the DR21 ridge is associated

with the intersection of the proposed V-shape accretion flow with an additional velocity component. Lastly, Fig. 21

shows the velocity distribution of the two fitted velocity components, while Fig. 22 shows the associated maps for the

velocity and linewidth. The more blueshifted velocity component is typically found within the range of -6 km s−1 and

-4 km s−1 while the redshifted component varies between -4 and -1 km s−1. The typical velocity difference of the two

converging components is between 2 and 3 km s−1.



DR21 25

Figure 21. Peak velocity distribution of the blueshifted (blue) and redshifted (red) velocity components of the double Gaussian
fit to the data.

Figure 22. Top: (left) The [C II] velocity field of the DR21 cloud when taking into account all emission between -8 and 1
km s−1. The black contours indicate the Herschel column density at NH2 = 1022, 3×1022, 1023 and 4×1023 cm−2. (middle
left) The [C II] velocity field in the pixels that have only one velocity component. (middle right) The [C II] velocity field of
the blueshifted component in the pixels that were fitted with two Gaussian components. (right) The [C II] velocity field of the
redshifted component in the pixels that were fitted with two Gaussian components. Bottom: The same as above for the FWHM.



26 Bonne et al.

Figure 23. Left: The same as Fig. 19 for C18O(1-0) with the column density contours in black. Middle & right: Same as Fig.
20 for C18O(1-0).

Figure 24. The same as Fig. 21 for C18O(1-0). The grey histogram indicates the peak velocity distribution for the pixels with
a single fitted velocity component.

E. C18O(1-0) AND H13CO+(1-0) MULTI-COMPONENT FIT

We also performed a multi-component fit with the BTS fitting tool to the C18O(1-0) and H13CO+(1-0) molecular

lines between -8 and 1 km s−1 as they are not affected by strong opacity or self-absorption effects. This shows that

there are significant regions that host two resolved velocity components in both lines, see Figs. 23 & 26. These regions

are particularly in and at the edge of the DR21 ridge. It is noteworthy when inspecting these figures that the regions

where the subfilaments connect to the ridge, which is associated with a high linewidth (FWHM >3 km s−1), are fitted

with a single velocity component. Either this suggests that several velocity components blend closely together there

or that there might be a rapid reorientation in the line-of-sight velocity of the inflow or accretion shocks. From the

velocity field maps, it can be observed that these regions are associated with a significant changes in velocity, see

Figs. 25 & 28. Inspecting the velocity distribution for the regions with two fitted components, see Figs. 24 & 27, it

is found that the interval for the redshifted velocity component is very similar for [C II] and the molecular lines. This

tends to confirm that the redshifted filaments are embedded in the redshifted inflowing mass reservoir. However, for

the blueshifted velocity components, it appears that [C II] emission is shifted towards more blueshifted velocities with

respect to the emission in the molecular lines. This shift for the blueshifted [C II] velocity component fits with the fact

that there are no blueshifted subfilaments and thus that the blueshifted envelope of the DR21 ridge has a different

morphology than the redshifted envelope.
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Bonne, L., Schneider, N., Garćıa, P., et al. 2022b, ApJ, 935,

171, doi: 10.3847/1538-4357/ac8052

Bonnell, I. A., & Bate, M. R. 2006, MNRAS, 370, 488,

doi: 10.1111/j.1365-2966.2006.10495.x

Bonnell, I. A., Bate, M. R., Clarke, C. J., & Pringle, J. E.

2001, MNRAS, 323, 785,

doi: 10.1046/j.1365-8711.2001.04270.x

Bonnell, I. A., Vine, S. G., & Bate, M. R. 2004, MNRAS,

349, 735, doi: 10.1111/j.1365-2966.2004.07543.x

Bontemps, S., Motte, F., Csengeri, T., & Schneider, N.

2010, A&A, 524, A18, doi: 10.1051/0004-6361/200913286
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Peretto, N., André, P., & Belloche, A. 2006, A&A, 445, 979,

doi: 10.1051/0004-6361:20053324

Peretto, N., Hennebelle, P., & André, P. 2007, A&A, 464,

983, doi: 10.1051/0004-6361:20065653

Peretto, N., Lenfestey, C., Fuller, G. A., et al. 2016, A&A,

590, A72, doi: 10.1051/0004-6361/201527064

Peretto, N., Fuller, G. A., Duarte-Cabral, A., et al. 2013,

A&A, 555, A112, doi: 10.1051/0004-6361/201321318

Peretto, N., Fuller, G. A., André, P., et al. 2014, A&A, 561,
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Tigé, J., Motte, F., Russeil, D., et al. 2017, A&A, 602, A77,

doi: 10.1051/0004-6361/201628989

Tiwari, M., Karim, R., Pound, M. W., et al. 2021, ApJ,

914, 117, doi: 10.3847/1538-4357/abf6ce

Traficante, A., Fuller, G. A., Duarte-Cabral, A., et al. 2020,

MNRAS, 491, 4310, doi: 10.1093/mnras/stz3344

Traficante, A., Fuller, G. A., Smith, R. J., et al. 2018a,

MNRAS, 473, 4975, doi: 10.1093/mnras/stx2672

Traficante, A., Lee, Y. N., Hennebelle, P., et al. 2018b,

A&A, 619, L7, doi: 10.1051/0004-6361/201833513

Vaidya, B., Hartquist, T. W., & Falle, S. A. E. G. 2013,

MNRAS, 433, 1258, doi: 10.1093/mnras/stt800

Vallée, J. P., & Fiege, J. D. 2006, ApJ, 636, 332,

doi: 10.1086/497957

van der Tak, F. F. S., Black, J. H., Schöier, F. L., Jansen,
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ABSTRACT

Using deep near-infrared Keck/MOSFIRE observations, we analyze the rest-optical spectra of eight

star-forming galaxies in the COSMOS and GOODS-N fields. We reach integration times of ∼10 hours

in the deepest bands, pushing the limits on current ground-based observational capabilities. The

targets fall into two redshift bins — 5 galaxies at z ∼ 1.7 and 3 at z ∼ 2.5 — and were selected

as likely to yield significant auroral-line detections. Even with long integration times, detection of

the auroral lines remains challenging. We stack the spectra together into subsets based on redshift,

improving the signal-to-noise ratio on the [O iii]λ4364 auroral emission line and, in turn, enabling

a direct measurement of the oxygen abundance for each stack. We compare these measurements

to commonly-employed strong-line ratios alongside measurements from the literature. We find that

the stacks fall within the distribution of z > 1 literature measurements, but a larger sample size is

needed to robustly constrain the relationships between strong-line ratios and oxygen abundance at high

redshift. We additionally report detections of [O i]λ6302 for eight individual galaxies and composite

spectra of 21 targets in the MOSFIRE pointings. We plot their line ratios on the [O iii]λ5008/Hβ

vs. [O i]λ6302/Hα diagnostic BPT diagram, comparing our targets to local galaxies and H ii regions.

We find that the [O i]/Hα ratios in our sample of galaxies are consistent with being produced in gas

ionized by α-enhanced massive stars, as has been previously inferred for rapidly-forming galaxies at

early cosmic times.

1. INTRODUCTION

Tracing the chemical evolution of galaxies is key to

understanding how galaxy growth and evolution occur

over time. The metallicity of a galaxy is influenced by

numerous mechanisms such as the reprocessing of gas

into heavier elements through nucleosynthesis; metal-

enriched outflows driven by supernovae, AGN, and stel-

lar winds; accretion of pristine hydrogen gas onto a

galaxy; and accretion of enriched, recycled gas in the

form of galactic fountains (Tumlinson et al. 2017; Davé

et al. 2017). Observationally, metallicity commonly

refers to the gas-phase oxygen abundance in the inter-

stellar medium (ISM) of a galaxy since oxygen is the

most abundant metal and produces strong rest-optical

emission line features. The oxygen abundance in the

∗ NHFP Hubble Fellow

ISM of star-forming galaxies has been observed to corre-

late tightly with the stellar mass, encapsulated in what
is referred to as the mass-metallicity relation (MZR).

Early evidence for a MZR goes back to Lequeux et al.

(1979) who measured oxygen abundances in a small sam-

ple of nearby blue compact dwarf galaxies. Later studies

(e.g., Tremonti et al. 2004; Kewley & Ellison 2008; An-

drews & Martini 2013) showed that there is a MZR that

generally describes galaxies in the local universe. Fur-

thermore, many works (e.g., Erb et al. 2006; Maiolino

et al. 2008; Mannucci et al. 2009; Zahid et al. 2011; Stei-

del et al. 2014; Zahid et al. 2014; Yabe et al. 2015; Ly

et al. 2016; Guo et al. 2016; Sanders et al. 2021) have

revealed an evolution in the MZR with redshift, noting

a change in the turnover mass and the normalization

at higher z. Folding in the global star-formation rate

(SFR) to the MZR yields the fundamental metallicity

relation (FMR), which appears not to evolve through
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cosmic time at least as far back as z ∼ 3 (e.g., Mannucci

et al. 2010; Sanders et al. 2021; Heintz et al. 2022).

The existence of these scaling relations with galaxy

parameters gives insight into the processes that govern

galaxy formation. The SFR, which is governed by the

gas reservoir in a galaxy, is influenced by the baryon

cycle, and is therefore tied to the chemical evolution in

the ISM through the processes described above. Addi-

tionally, the stellar mass represents the integrated sum

of star formation and is also related to the total metal

production across a galaxy’s lifetime. Overall, the three

parameters that comprise the FMR probe the impor-

tant mechanisms that determine galaxy evolution. The

invariance of the FMR through a large portion of cos-

mic history suggests that galaxies are driven towards an

equilibrium among inflow, star formation, and outflow

(e.g., Davé et al. 2012; Peng & Maiolino 2014). These

scaling relations are additionally useful for hydrodynam-

ical simulations of galaxy formation since the compari-

son with observations provides further constraints on the

subgrid physics determining the outputs (e.g., Ma et al.

2016; Davé et al. 2017; De Rossi et al. 2017; Torrey et al.

2019). Thus, measuring these galaxy parameters with

high accuracy is instrumental in our understanding of

galaxy formation and evolution.

Making robust measurements of the metallicity of

a galaxy, however, can prove quite challenging. One

of the more physically-motivated methods of deter-

mining the gas-phase oxygen abundance of a galaxy

involves measuring the average electron temperature

and density of its H ii regions. From these physical

properties, one can determine the emissivities of the

emission-line transitions from each ion species which,

when scaled by their respective line flux measurements,

yields the abundance of each ion relative to hydrogen

(i.e. O+/H+ and O2+/H+, see Izotov et al. 2006; Lurid-

iana et al. 2015; Peimbert et al. 2017, for more detail).

This method of abundance determination is often re-

ferred to as the “direct” method. However, to obtain

the electron temperature, one must be able to detect

a set of faint rest-optical auroral emission lines (e.g.

[O iii]λ4364, [O ii]λλ7322, 7332), which can be a hun-

dred times fainter than their nebular counterparts, re-

quiring very long exposure times (Garnett 1992; Pérez-

Montero 2017). The task becomes increasingly challeng-

ing when observing targets at z > 1 due to the varying

transmission of Earth’s atmosphere in the near-infrared

(i.e., rest-frame optical) and the apparent faintness of

targets due to their increased distance. Additionally, in

the case of the [O iii]λ4364 line, whose strength relative

to [O iii]λ5008 is temperature-sensitive, detection be-

comes more difficult in higher-metallicity galaxies. This

challenge is due to the effects of more efficient metal-line

cooling which leads to lower electron temperatures in

the constituent H ii regions in more metal-rich galaxies,

rendering direct metallicity measurements much more

difficult.

In light of the challenges associated with the direct

method, it is common to determine metal abundances

using indirect metallicity indicators which rely on the

ratios of strong emission lines (e.g., Dopita et al. 2013;

Pilyugin & Grebel 2016; Bian et al. 2018; Curti et al.

2020; Nakajima et al. 2022). These relations translat-

ing strong-line ratios to metallicity are calibrated to

photoionization models and/or measurements of direct

metallicity in H ii regions and galaxies in the local uni-

verse. It is uncertain, however, whether these indirect

indicators remain accurate at higher redshifts since con-

ditions in the ISM of galaxies at earlier cosmic times

may not resemble those in the local universe. Current

observations suggest that galaxies at z ∼ 2 may be char-

acterized by harder ionizing spectra and may also have

N/O ratios that vary slightly from galaxies in the local

universe at fixed oxygen abundance (e.g., Shapley et al.

2015; Strom et al. 2017; Shapley et al. 2019; Heintz et al.

2022).

The evolving conditions in the ISM of galaxies has typ-

ically been traced by measurements of both high- and

low-ionization emission lines (e.g., [O iii]/Hβ, [N ii]/Hα,

[S ii]/Hα). However, one low-ionization diagnostic that

has been missing in analyses of galaxies at z > 1 is

the [O i]λ6302/Hα line ratio. In studies of low-redshift

galaxies, this line ratio offers insights into the hardness

of the ionizing spectrum, the contribution of diffuse ion-

ized gas (DIG), and the presence of shocks (e.g., Zhang

et al. 2017). However, due to the intrinsic faintness of

the [O i]λ6302 line, studies of this line diagnostic at high

redshift have typically proven very difficult.

Similarly, due to the difficulty of obtaining auroral-

line measurements at high redshift with ground-based

facilities, there only exists a small sample of z > 1 galax-

ies in the literature for which direct oxygen abundances

have been measured (examples from the literature are

discussed in Sanders et al. 2020). Additionally, the inte-

gration times for most ground-based near-infrared spec-

troscopic surveys do not reach the required depth to

achieve significant auroral-line detections. The preva-

lence of auroral-line detections is, however, increasing as

a result of observations made by the new James Webb

Space Telescope (JWST) (e.g., Curti et al. 2023; Naka-

jima et al. 2023; Sanders et al. 2023a).

The deep spectral observations analyzed in this study

push the limits of ground-based, 10-m-class observato-

ries and highlight the importance of JWST and other
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future state-of-the-art observatories in characterizing

galaxy properties at and beyond cosmic noon. In this

study, we utilize the MOSFIRE instrument (McLean

et al. 2012) on the 10-m Keck I telescope to make deep

observations of a sample of eight galaxies at z ∼ 1.7−2.5,

reaching up to ∼10 hours of integration time in some

bands. We additionally produce composite spectra from

this sample of eight galaxies and determine their av-

erage characteristics (i.e., chemical abundances, elec-

tron temperatures, and densities). The depth of these

observations additionally enables the detection of the

[O i]λ6302 feature, beyond the reach of more typical

spectroscopic samples with shallower integration times

(e.g., Kriek et al. 2015). Based on these measurements,

we investigate the position of our sample of z ∼ 2

galaxies in the [O iii]λ5008/Hβ vs. [N ii]λ6585/Hα,

[S ii]λλ6718, 6733/Hα, and [O i]λ6302/Hα diagnostic di-

agrams (hereafter BPT diagrams1), the latter probing

an unexplored parameter space at z > 1.

In Section 2 of this paper, we give an overview of

the observational setup and data processing methods.

In Section 3, we present the results of our analysis of

the spectra in our sample. In Section 4, we compare

our measurements with commonly-used metallicity in-

dicators as well as consider the nature of [O i]λ6302

emission at high redshift. Throughout, we adopt the

following cosmological parameters: H0 = 70 km s−1

Mpc−1, Ωm = 0.3, and ΩΛ = 0.7. Additionally, we

assume a Chabrier (2003) IMF, solar abundances of

12 + log(O/H)� = 8.69 and 12 + log(N/H)� = 7.83,

and a solar metallicity of Z� = 0.014 (Asplund et al.

2009).

2. METHODS AND OBSERVATIONS

2.1. Sample Selection and Observation Configurations

The target galaxies in this analysis reside in the COS-

MOS and GOODS-N extragalactic legacy fields covered

by the CANDELS and 3D-HST surveys (Grogin et al.

2011; Koekemoer et al. 2011; Momcheva et al. 2016).

These galaxies were drawn from the MOSFIRE Deep

Evolution Field (MOSDEF) survey (Kriek et al. 2015)

as well as the sample of extreme emission-line galax-

ies (EELGs) presented by Tang et al. (2019) selected

from the 3D-HST WFC3 grism emission-line catalog

(Momcheva et al. 2016). Targets of interest were se-

lected based on their probability of yielding auroral-

1 BPT refers to Baldwin et al. (1981), though the [O iii]λ5008/Hβ
vs. [S ii]λλ6716, 6731/Hα diagnostic diagram was later intro-
duced by Veilleux & Osterbrock (1987).

line detections. To this effect, the target sample was

composed of galaxies that had bright [O iii]λ5008 emis-

sion and whose ratios among strong nebular emission

lines suggested a high electron temperature based on re-

lations observed in z ∼ 0 H ii regions (Sanders et al.

2017). Such thermal properties would result in brighter

[O iii]λ4364 and [O ii]λλ7322, 7332 auroral lines, neces-

sary for making direct metallicity measurements. We

also required galaxy targets to lie within the following

redshift intervals: 1.62 ≤ z ≤ 1.70, 2.32 ≤ z ≤ 2.61,

and 2.95 ≤ z ≤ 3.18 to capture both auroral and strong

nebular emission lines in the near-infrared atmospheric

transmission windows covered by the Y, J, H, and K-

bands.

In light of these selection criteria, we targeted a sam-

ple of 12 galaxies, which we refer to as “auroral” targets.

Seven of the auroral targets were in the COSMOS field

and five were in the GOODS-N field. Two of the galax-

ies from the COSMOS field are the subjects of a recent

paper by Sanders et al. (2023b) in which their oxygen

abundances were measured via the [O ii]λλ7322, 7332

auroral line doublet, representing the first such mea-

surements beyond the local universe.

From the remaining sample of 10 [O iii] auroral tar-

gets, two from the COSMOS field were not considered

in this study. The first of these targets was excluded be-

cause the galaxy was dithered on top of an adjacent ob-

ject in the field, causing the target signal to be strongly

contaminated by the negative trace of its neighbor on

the slit. The second of these targets was at z = 3.12,

placing Hα beyond the coverage of the K-band, and the

remaining higher-order Balmer emission lines fell onto

atmospheric sky lines. As a result, it was not possi-

ble to apply Balmer-decrement-based dust corrections

on this particular target. Because of these considera-

tions, our final auroral-target sample consisted of eight
galaxies: three at z ∼ 2.5 in the COSMOS field and

five at z ∼ 1.7 in the GOODS-N field. The properties

of these targets are summarized in Table 1. We utilized

the multiplexing capabilities of MOSFIRE to observe an

additional 29 filler targets (14 in the COSMOS pointing

and 15 in the GOODS-N pointing) that we analyzed

for [O i]λ6302 emission, and we refer to these targets as

“non-auroral” targets.

Observations were collected over six nights: January

13, 2019 (COSMOS H-band); March 16, 2019 (COS-

MOS J- and H-bands); March 3, 2021 (GOODS-N J-

band); March 4, 2021 (COSMOS K-band, GOODS-N J-

band), April 19, 2021 (GOODS-N Y -, J-, and H-bands),

and May 1, 2021 (GOODS-N H-band). The observa-

tions were taken with 0′′. 7 slits using an ABA’B’ dither

pattern, and dithered frames were aligned and combined
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Table 1. [O iii] auroral targets and physical properties.

ID R.A. Dec. z log (M∗/M�) log (tage/yr) SFR sSFR

(J2000) (J2000) (M� yr−1) (Gyr−1)

COSMOS-18812 10:00:36.896 +02:22:13.82 2.46236 8.74+0.07
−0.04 8.30+0.14

−0.18 7.47+4.26
−2.53 13.26 ± 6.42

COSMOS-19439 10:00:24.360 +02:22:36.20 2.46598 10.26+0.00
−0.00 9.40+0.00

−0.00 141.46+48.18
−34.46 7.90 ± 2.25

COSMOS-19753 10:00:18.182 +02:22:50.31 2.46884 10.55+0.04
−0.00 9.40+0.00

−0.06 68.89+4.82
−4.54 1.94 ± 0.16

GOODS-N-6699 12:36:23.385 +62:10:29.04 1.66448 9.82+0.05
−0.05 9.50+0.00

−0.40 11.51+2.62
−2.20 1.78 ± 0.42

GOODS-N-8013 12:36:52.008 +62:10:54.80 1.66776 9.44+0.04
−0.03 8.80+0.10

−0.09 6.68+0.70
−0.69 2.43 ± 0.31

GOODS-N-8240 12:36:25.249 +62:10:58.91 1.69090 9.76+0.02
−0.13 9.20+0.18

−0.60 12.36+9.65
−6.22 2.14 ± 1.43

GOODS-N-14595 12:36:13.373 +62:12:49.91 1.67596 9.02+0.09
−0.11 8.90+0.20

−0.50 9.60+3.36
−2.29 9.08 ± 3.61

GOODS-N-18462 12:36:11.906 +62:13:58.80 1.67463 9.52+0.05
−0.03 9.30+0.11

−0.10 3.46+0.30
−0.29 1.04 ± 0.13

Note—Some of the uncertainties on the stellar masses and ages output from FAST are quoted as being ±0.00, which only
represents an uncertainty on the fitting of the models to the data. It does not account for systematic uncertainties, which
were estimated to be ∼0.1 dex in a similar analysis by Muzzin et al. (2009).

to perform sky subtraction. Individual frames in the J

and H bands had exposure times of 120 s, while the Y

and K bands had exposure times of 180 s. The total

integration times in the J, H, and K bands in the COS-

MOS pointing were 1.86 h, 8.05 h, and 3.88 h respec-

tively, while the GOODS-N pointing integration times

in the Y, J, and H bands were 1.39 h, 9.71 h, and 1.06 h

respectively. For COSMOS-19439 and COSMOS-19753,

there were existing observations from the MOSDEF sur-

vey with 2 hours in each band. We therefore combined

the deep MOSFIRE spectra with existing MOSDEF ob-

servations for these two targets, thereby increasing the

total exposure time by 2 hours. The spectral resolutions

in the Y, J, H, and K bands were 3400, 3000, 3650, and

3600 respectively. The median seeing for the COSMOS

observations was 0′′. 79, 0′′. 53, and 0′′. 47 in J, H, and K

respectively, while the median seeing in GOODS-N was

0′′. 84, 0′′. 61, and 0′′. 67 in Y, J, and H respectively.

2.2. Data Reduction and Flux Calibration

The two-dimensional (2D) reduction of the MOS-

FIRE data was performed using an IDL data processing

pipeline described in Kriek et al. (2015). The extractions

of the 2D spectra were accomplished for each target on

each mask individually using the bmep2 (Freeman et al.

2019) IDL program, and we used the same slit-loss cor-

rection routine as in Reddy et al. (2015) and Kriek et al.

(2015).

In order to monitor seeing conditions and carefully

combine individual frames, a slit was placed on a star

in each mask. Each exposure was weighted according to

the observed flux of the slit star. An issue arose with the

2 https://github.com/billfreeman44/bmep

flux calibrations from the targets on the COSMOS mask

due to the fact that a galaxy in the field was dithered on

top of the slit star for that mask, thereby contaminating

the slit star spectrum that was used to apply the abso-

lute flux scaling. Consequently, the default flux calibra-

tion for the COSMOS mask was unreliable. This effect

had varying significance in each of the bands. In order

to mitigate this source of systematic error and to ensure

accurate band-to-band flux calibrations, we compared

the spectra with available photometric observations and

with corresponding spectral observations from the MOS-

DEF survey. The existing MOSDEF spectra were taken

with different slit mask configurations from those used

for the new, deep observations and thus do not suffer

from the same dithering issue.

The targets in the COSMOS field that had corre-

sponding data in the MOSDEF survey were scaled mul-

tiplicatively such that the total flux of significantly-

detected lines (>5σ) matched the flux of the same lines

in the MOSDEF spectra. For targets on the COSMOS

mask with no corresponding MOSDEF observations or

without >5σ line detections in both data sets, the spec-

tra in each band were scaled by the average of the scaling

factors on the mask in each respective filter. On aver-

age, these scaling factors adjusted the flux calibrations

in each band on the order of 3-30%.

Additionally, the spectra on the GOODS-N mask were

compared with existing observations in order to ensure

the robustness of the flux calibrations. Since the tar-

gets on this mask did not have corresponding MOSDEF

observations, the spectra in each band were scaled to

agree with broad-band ground-based photometry as well

as 3D-HST (Skelton et al. 2014; Momcheva et al. 2016)

photometric and spectroscopic measurements.



5

2.3. SED and Emission-line Fitting

The spectral energy distributions (SEDs) of each tar-

get galaxy in the COSMOS field were fit across 43

photometric data points drawn from the 3D-HST cat-

alog spanning from 3500 Å to 8 µm in the observed

frame. Similarly, for the GOODS-N targets, 22 photo-

metric points were fit across the same wavelength range.

We corrected the near-IR photometric data for bright

rest-frame optical emission lines using the emission-line

fluxes determined from the MOSFIRE spectra analyzed

in this study. The SEDs were fit with flexible stellar

population synthesis models (Conroy & Gunn 2010) us-

ing the FAST fitting code (Kriek et al. 2009) in order

to determine parameters such as stellar mass and age.

We assumed an SMC attenuation curve with a stellar

metallicity of 0.22 Z�, a delayed-τ star-formation his-

tory of the form t × exp (−t/τ), and a Chabrier (2003)

IMF.

We used a non-linear least squares algorithm to fit

a Gaussian profile to the emission line features in each

of the individual spectra as well as the stacks. Uncer-

tainties on the line flux measurements were determined

using a Monte-Carlo simulation in which each spectrum

was perturbed according to the error spectrum over 100

iterations. The weaker emission-line widths were tied

to the velocity widths of Hα and [O iii]λ5008. Addition-

ally, the Hα and [N ii] lines were fit simultaneously, with

the fluxes of [N ii]λ6550 and [N ii]λ6585 being tied in a

ratio of 1:3 respectively. When fitting the [O i]λ6302

and [O i]λ6365 lines, they were fixed with a flux ratio

of 3:1 respectively. For targets that appeared to have

a broad/offset component to their emission-line pro-

files (e.g., non-auroral targets COSMOS-19812, 19985,

20062), we fit the brightest lines with a double Gaus-

sian and reported only the narrow-component flux since

the additional component is likely attributed to out-

flows or other gas not physically associated with H ii

regions (Leung et al. 2017). The SED fits determined

from the photometry were used to model the continuum

and the Balmer stellar absorption troughs. The initial,

non-emission-line corrected SEDs were used to obtain

a continuum fit and estimate line fluxes, and these line

flux estimates were then used to correct the near-IR pho-

tometry. In turn, we re-fit the emission lines using the

corrected SEDs to obtain our final line flux measure-

ments. These line fluxes are reported along with derived

physical quantities in Table 2.

2.4. Composite spectra

We found that the signal-to-noise (S/N) on

[O iii]λ4364 was very low (< 2σ) across most of the

sample, so we created composite spectra (or “stacks”)

in order to boost S/N and derive average galaxy proper-

ties for each stack. We chose to stack our sample using

three different configurations that are laid out in Table

3. Stack 1 (S1), consisted of the three z ∼ 2.5 [O iii]

auroral targets in the COSMOS field, stack 2 (S2) con-

sisted of the five z ∼ 1.7 GOODS-N auroral targets, and

stack 3 (S3) consisted of all [O iii] auroral targets in this

study. In addition to the [O iii] auroral-line stacks, we

also created composite spectra that consisted of both

auroral and filler targets in the MOSFIRE pointings

that had coverage of the [O i]λ6302 line unaffected by

atmospheric sky lines. We divided these “[O i]” stacks

into two groups: a low-redshift (1 ≤ z < 2) stack con-

sisting of 13 targets, and a high-redshift (2 ≤ z ≤ 3)

stack consisting of 8 targets.

In order to create the composite spectra, we first used

the Hα/Hβ Balmer decrement and a Cardelli et al.

(1989) extinction curve to correct for internal dust ex-

tinction. We then normalized each spectrum by Hα

luminosity before shifting into the rest frame. Prior

to stacking, each spectrum was interpolated and re-

sampled to the same wavelength grid with 0.5 Å spac-

ing. We then averaged together the SED models of each

component spectrum after normalizing by Hα luminos-

ity, and the resulting composite SED curve was used to

model the continuum of the stacks during the line-fitting

procedure. We report line luminosity measurements for

each of the stacks in Table 3. Additionally, we show

the stacked spectra in Figure 1 with emission lines of

interest labeled.

3. RESULTS AND DETERMINATION OF

PHYSICAL QUANTITIES

3.1. SFR vs. stellar mass

In Figure 2, we plot the SFRs vs. stellar masses for

our sample of 8 auroral-line targets and compare them

to typical values from the literature. We calculate SFRs

from dust-corrected Hα luminosities using a conversion

factor of 3.236× 10−42 M� yr−1 erg−1 s based on mod-

els of stellar populations with sub-solar metallicity con-

sistent with what we assume for SED fitting (Reddy

et al. 2018). The galaxies in this sample agree well with

the star-forming main sequence defined by larger pop-

ulations of galaxies at similar redshifts. Shivaei et al.

(2015) performed a linear fit to a sample of 185 galaxies

in the range 1.37 ≤ z ≤ 2.61, and Topping et al. (2021)

fit a sample of 285 galaxies in the range 1.37 ≤ z ≤ 1.70.

These two empirical fits are shown as dashed and dot-

ted black lines respectively, and they agree with the five
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Figure 1. Composite spectra of the [O iii] auroral targets. The black curve shows the luminosity density, while the error
spectrum is shown in red in the inset axes. Each of the prominent emission lines is labeled and marked with a blue dotted line.
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Table 2. Catalog of observed emission-line flux and physical properties for individual [O iii] auroral targets.

Fobs(λ)(10−17 erg s−1 cm−2)

Line
ID (COSMOS) ID (GOODS-N)

18812 19439 19753 6699 8013 8240 14595 18462

[O ii] λ3726 < 2.66 2.78± 0.71 6.37± 0.49 2.18± 0.26 3.88± 0.48 1.92± 0.42 1.29± 0.24 1.74± 0.25

[O ii] λ3730 0.50± 0.23 2.33± 0.35 8.21± 0.55 2.58± 0.23 4.30± 0.66 2.03± 0.29 1.38± 0.21 1.82± 0.32

[Ne iii] λ3870 – < 1.52 < 1.19 < 0.60 0.55± 0.17 < 1.11 < 0.57 < 0.65

Hδ λ4103 – – – 0.58± 0.17 1.22± 0.30 0.57± 0.19 < 0.93 < 1.23

Hγ λ4342 0.58± 0.09 1.12± 0.14 2.45± 0.40 1.83± 0.21 2.10± 0.17 1.59± 0.14 1.08± 0.10 1.35± 0.20

[Fe ii] λ4360∗ < 0.34 0.18± 0.08 < 0.31 0.41± 0.11 < 0.78 < 0.38 < 0.24 < 0.62

[O iii] λ4364∗ 0.34± 0.09 < 0.28 < 0.27 < 0.51 < 0.99 < 0.29 0.20± 0.06 < 0.38

[O iii] λ4364 0.34± 0.11 < 0.28 < 0.27 < 0.51 < 0.99 0.16± 0.08 < 0.25 < 0.38

Hβ λ4863 1.10± 0.15 2.30± 0.08 5.88± 0.10 3.21± 0.10 4.77± 0.13 3.23± 0.22 2.24± 0.10 2.57± 0.14

[O iii] λ4960 2.49± 0.07 3.95± 0.10 7.47± 0.22 5.29± 0.14 5.71± 0.19 4.71± 0.08 3.79± 0.08 3.71± 0.10

[O iii] λ5008 6.99± 0.11 11.52± 0.15 21.49± 0.12 15.76± 0.41 15.61± 0.10 14.03± 0.22 11.11± 0.12 10.30± 0.11

[O i] λ6302 < 0.40 < 0.48 0.47± 0.09 0.26± 0.11 < 0.40 < 1.35 < 0.35 < 0.34

[O i] λ6365 < 0.40 < 0.63 0.15± 0.03 0.08± 0.04 < 0.37 < 1.96 < 0.32 < 0.40

[N ii] λ6550 < 0.37 0.42± 0.12 1.01± 0.21 < 1.85 < 0.79 < 0.76 < 0.61 < 0.80

Hα λ6565 3.28± 0.14 10.89± 0.30 20.21± 0.21 11.58± 0.36 12.51± 0.79 12.22± 1.35 7.07± 0.17 5.41± 0.24

[N ii] λ6585 < 0.33 1.27± 0.23 3.03± 0.26 1.55± 0.29 1.24± 0.28 1.13± 0.35 < 0.54 0.55± 0.23

[S ii] λ6716 – < 0.61 1.85± 0.25 < 2.56 1.90± 0.68 < 3.12 0.56± 0.21 –

[S ii] λ6731 – 0.90± 0.25 1.66± 0.26 0.76± 0.22 < 1.15 < 17.44 < 1.22 –

E(B-V)gas 0.04+0.16
−0.13 0.51+0.05

−0.05 0.19+0.02
−0.02 0.23+0.04

−0.04 0.00 0.29+0.12
−0.14 0.10+0.05

−0.05 0.00

Te(O2+) (104 K) 2.11+0.29
−0.39 < 1.42 < 1.13 < 2.41 < 2.29 1.30+0.24

−0.25 < 1.86 < 1.66

Te(O+) (×104 K) 1.77+0.26
−0.25 < 1.30 < 1.09 < 1.99 < 1.90 1.20+0.20

−0.20 < 1.61 < 1.46

ne (102 cm−3) – 10.70+12.55
−6.84 1.61+1.32

−0.98 4.20+2.20
−2.79 5.26+4.77

−3.34 5.06+4.97
−3.26 5.38+6.53

−3.12 5.57+6.11
−3.41

12 + log (O+/H) – > 7.78 > 7.89 > 6.89 > 6.85 7.49+0.32
−0.24 > 6.99 > 6.98

12 + log (O2+/H) 7.54+0.19
−0.13 > 7.77 > 7.94 > 7.27 > 7.18 7.82+0.28

−0.19 > 7.50 > 7.56

12 + log (O/H) – > 8.08 > 8.22 > 7.42 > 7.35 8.02+0.24
−0.17 > 7.62 > 7.66

12 + log (N+/H) 5.83+0.30
−0.47 > 6.57 > 6.85 > 6.28 > 6.18 6.53+0.24

−0.21 > 5.85 > 6.39

12 + log (N/H) 6.71+0.52
−0.61 > 6.86 > 7.18 > 6.82 > 6.67 7.05+0.29

−0.26 > 6.49 > 7.07

log (N/O) – – – – – −0.99+0.22
−0.23 – –

∗These line fluxes for [Fe ii]λ4360 and [O iii]λ4364 are determined by fitting a double Gaussian simultaneously to both features, whereas the
[O iii]λ4364 flux without an asterisk is determined by fitting a single Gaussian profile.

∗∗Since the [O ii] doublet was affected by sky lines in this target, we estimate the O2+/H abundance assuming a density of 100 cm−3.

Note—Non-detections are reported as 2σ upper limits, and Balmer line ratios that yield negative values of E(B-V) are set to 0.00. Oxygen
abundances are determined from the single-Gaussian fit to [O iii]λ4364.
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Figure 2. SFR vs. stellar mass. The colored squares indi-
cate the auroral-line targets included in this study, with blue
and orange corresponding to z ∼ 1.7 and z ∼ 2.5, respec-
tively. The dashed black line shows a linear fit from Shivaei
et al. (2015), while the solid blue and orange lines show the
z ∼ 1.7 and z ∼ 2.5 SFR vs. stellar mass relations respec-
tively from Speagle et al. (2014). The 1-σ scatter for each
main sequence line is shaded in its respective color. The red
triangles represent spectral stacks of z ∼ 2.3 galaxies from
Sanders et al. (2021).

GOODS-N galaxies at z ∼ 1.7 with the exceptions of

GOODS-N-18462 and GOODS-N-14595, which are off-

set in log(SFR) by roughly -0.3 dex and +0.6 dex respec-

tively. We additionally plot two main sequence relations

defined by Speagle et al. (2014) at the median redshifts

of our COSMOS and GOODS-N samples shown in or-

ange and blue, respectively. As an additional point of

reference, we overplot a sample of 280 z ∼ 2.3 galaxies

distributed among five stacks by Sanders et al. (2021),

and we re-scale the stacks to use the same Hα to SFR

conversion factor we utilize in this study. For both the

z ∼ 1.7 and z ∼ 2.5 galaxies in this study, we find agree-

ment within 1σ relative to the respective main sequence

fits with the exception of GOODS-N-18462, which falls

slightly below the z ∼ 1.7 relation. Overall, this sample

of galaxies is relatively representative in terms of SFR

at fixed stellar mass based on larger samples in the same

redshift range.

3.2. Abundance Determinations

Throughout this paper, we refer to “direct” oxygen

abundances as those derived from determining the ion

emissivities based on electron temperature and density

measurements as opposed to “indirect” methods, which

Table 3. Catalog of observed emission-line luminosities and
physical properties for stacked spectra.

Lobs(λ)(1041 erg s−1)

Line

Stack ID

S1 S2 S3

COSMOS GOODS-N Full sample

[O ii] λ3726 88.13± 28.17 6.78± 1.17 19.58± 5.00

[O ii] λ3730 89.12± 24.34 8.15± 1.11 21.86± 3.36

[Ne iii] λ3870 – < 1.36 –

Hδ λ4103 – < 1.60 –

Hγ λ4342 27.21± 4.52 4.46± 0.52 9.23± 0.90

[Fe ii] λ4360∗ < 12.91 < 1.15 1.87± 0.84

[O iii] λ4364∗ 7.56± 3.21 < 0.76 1.40± 0.46

[O iii] λ4364 7.57± 2.71 < 0.50 1.39± 0.40

Hβ λ4863 49.78± 4.91 9.16± 0.50 17.38± 0.94

[O iii] λ4960 76.66± 8.72 13.19± 0.90 26.04± 1.33

[O iii] λ5008 255.96± 24.15 – –

[O i] λ6302 < 5.08 < 0.74 < 0.81

[O i] λ6365 < 5.44 < 0.25 < 0.27

[N ii] λ6550 3.21± 0.74 0.62± 0.10 1.08± 0.16

Hα λ6565 110.87± 6.29 24.01± 1.25 43.23± 1.47

[N ii] λ6585 9.63± 2.23 1.85± 0.29 3.25± 0.47

[S ii] λ6716 – – –

[S ii] λ6731 – – –

log (M∗/M�,avg) 9.85± 0.04 9.51± 0.06 9.64± 0.04

Te(O2+) (104 K) 1.96+0.33
−0.37 < 1.27 1.44+0.19

−0.19

Te(O+) (104 K) 1.67+0.26
−0.26 < 1.19 1.30+0.15

−0.15

ne (102 cm−3) 8.68+14.23
−6.29 3.14+3.55

−2.14 4.65+5.99
−3.17

12 + log (O+/H) 7.41+0.26
−0.22 > 7.49 7.53+0.22

−0.18

12 + log (O2+/H) 7.43+0.21
−0.16 > 7.85 7.72+0.17

−0.15

12 + log (O/H) 7.75+0.20
−0.15 > 8.01 7.96+0.15

−0.12

12 + log (N+/H) 6.13+0.16
−0.17 > 6.44 6.31+0.15

−0.12

12 + log (N/H) 6.46+0.18
−0.18 > 6.96 6.73+0.12

−0.11

log (N/O) −1.30+0.17
−0.19 – −1.22+0.11

−0.12

∗These line luminosities for [Fe ii]λ4360 and [O iii]λ4364 are deter-
mined by fitting a double Gaussian simultaneously to both features,
whereas the [O iii]λ4364 luminosity without an asterisk is deter-
mined by fitting a single Gaussian profile. Oxygen abundances are
determined from the single-Gaussian fit to [O iii]λ4364.

Note—Non-detections are reported as 2σ upper limits.

use the ratios of strong nebular emission lines empir-

ically calibrated to local direct measurements or pho-

toionization models. The direct method of oxygen abun-

dance approximates a galaxy as a single H ii region and

thus characterizes electron temperatures and densities

based on globally-integrated spectra. In this H ii re-

gion approximation, it is conventional to further define

two temperatures: the temperature associated with the

high-ionization state and the low-ionization state of the

ions of interest (e.g., Te(O
2+) and Te(O

+), respectively).

Since the energy required to ionize neutral oxygen is

similar to that of hydrogen, we expect that nearly all of

the oxygen within H ii regions is ionized, either in the

singly or doubly-ionized state, with negligible amounts



9

in higher ionization or neutral states. Therefore, in or-

der to determine the oxygen abundance directly, we sum

the abundances of oxygen in its two most prevalent ion-

ization states:

O

H
≈ O+

H+
+

O2+

H+
(1)

Determining the abundances of each ionization species

requires knowledge of the electron temperatures and

densities associated with the respective ionization zones.

In the O2+ zone, this can be achieved through mea-

surements of the [O iii]λλ4960, 5008 and the [O iii]λ4364

lines, where the [O iii]λ4364 transition originates from a

different upper energy level than the [O iii]λ4960, 5008

transitions. In turn, measuring the ratios of these

lines allows one to determine the electron tempera-

ture associated with the O2+ zone. The same can be

achieved for the O+ ion, using the [O ii]λλ3727, 3730

and [O ii]λλ7321, 7332 lines which arise from different

respective upper energy levels. One of the major chal-

lenges in determining direct oxygen abundances, how-

ever, is that the auroral lines produced by transitions

from the upper energy levels are often intrinsically very

faint, and their detection becomes the main limiting fac-

tor in obtaining direct abundance estimates. Ideally,

one would measure the nebular and the corresponding

faint auroral emission lines originating from the O+ and

O2+ ions to directly determine the electron temperature

for both ionization zones. However, since our sample

of [O iii] auroral targets does not have coverage of the

auroral [O ii] lines, we employ the following theoretical

relation presented by Campbell et al. (1986) to infer

Te(O
+):

Te(O
+) = 0.7 × Te(O

2+) + 3000 K (2)

When converting a Te(O
+) measurement to Te(O

2+),

observations suggest an intrinsic scatter of approxi-

mately 1300 K in the Campbell et al. (1986) relation

(Berg et al. 2020; Rogers et al. 2021). Since we are in-

stead converting Te(O
2+) to Te(O

+) using equation 2,

we adopt an intrinsic scatter of 0.7 × 1300 K = 910 K,

and add this in quadrature when determining the un-

certainty on Te(O
+).

Electron temperatures, densities, and ionic abun-

dances were determined using the PyNeb package (Lurid-

iana et al. 2015). In order to compute the electron

density ne, we used the getCrossTemDen() method to

simultaneously solve for Te(O
2+) and ne, taking the

[O ii]λ3727/[O ii]λ3730 ratio to be the density-sensitive

tracer. With the output values of Te and ne from

getCrossTemDen(), we computed the ionic abundances

using the getIonAbundance() method, using the ratios

of [O iii]λ4959 and [O ii]λ3727, 3730 relative to Hβ to

compute the O2+/H+ and the O+/H+ abundances, re-

spectively.

We additionally calculated the nitrogen abundance

in our galaxy sample since we have coverage of the

[N ii]λ6585 line in all targets. The nitrogen abundance is

ideally determined based on emission lines arising from

the N+ and N2+ ions. However, we do not have coverage

and/or detection of the necessary [N iii] emission lines,

so we make the following approximation:

N

H
≈ N+

H+
× ICF(N)

where ICF(N) is the ionization correction factor ac-

counting for higher ionization states, and it is defined

as ICF(N) = N/N+. We approximate this ratio as

N/N+ ≈ O/O+ since oxygen and nitrogen have simi-

lar ionization energies (Peimbert 1967).

One can directly measure the temperature within

the N+ zone by measuring the auroral-to-nebular

line ratio [N ii]λ5756/[N ii]λ6585, analogous to the

[O iii]λ4364/[O iii]λ5008 ratio for the O2+ zone. How-

ever, we do not have coverage of the [N ii]λ5756 line

in our spectra, so we make the approximation that

Te(N
+) ≈ Te(O

+). We also use the same electron den-

sity as that determined during the calculation of the

oxygen abundance. We then used getIonAbundance()

employing the [N ii]λ6585/Hβ ratio as the input to cal-

culate the N+/H+ abundance. The derived constraints

on density, temperature, and ionic and total abundances

are reported in Table 2 for the individual targets and

Table 3 for the composites.

3.3. Auroral-line Detections

The [O iii]λ4364 line was detected at greater than

2σ significance in only two targets: COSMOS-

18812 and GOODS-N-8240. For COSMOS-18812, the

[O ii]λλ3727, 3730 line doublet fell onto a pair of sky

lines, so it was not possible to constrain the electron

density or the O+ abundance. We tentatively detect

[O iii]λ4364 emission in GOODS-N-8240 since the Gaus-

sian fit to the line profile places the significance of this

detection at the >2σ level. Upon visual inspection, we

report the presence of emission lying a few angstroms

blueward of the [O iii]λ4364 line in two of the targets:

GOODS-N-6699 and GOODS-N-14595. For GOODS-

N-6699, there is an emission feature detected at >3σ

significance when centering a Gaussian profile at 4360

Å. It is uncertain whether this emission is associated

with the [O iii]λ4364 line though it appears at a sim-

ilar wavelength. The emission-line feature adjacent to

[O iii]λ4364 in GOODS-N-14595 appears to be more
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Figure 3. 2D and 1D spectra of the eight [O iii] auroral targets in this study. These spectral plots span from 4335 Å to 4370 Å,
covering the Hγ and [O iii]λ4364 emission lines. The solid black line shows the flux density, and the shaded gray spectrum is the
error on the flux density. We detect [O iii]λ4364 (labeled with an orange dotted line) in COSMOS-18812 and GOODS-N-8240;
however, we report emission blueward of 4364 Å in the GOODS-N 6699 and 14595 spectra.

closely centered on the expected central wavelength for

the auroral oxygen line, with a significance of just 0.38σ

when centering on 4360 Å. The spectra of these objects

in this wavelength region can be seen in Figure 3.

Curti et al. (2017) find a similar feature in a sample
of spectral stacks and attribute it to a forbidden tran-

sition of singly-ionized iron. They also suggest that the

strength of this 4360 Å contamination increases with in-

creasing galaxy metallicity. However, we do not expect

this contaminating feature to have a significant impact

on our spectra given that strong-line metallicity indica-

tors of our target sample suggest our targets are half

solar metallicity or less. For completeness, we report

[O iii]λ4364 measurements of the stacked spectra in two

ways: fitting the emission around 4364 Å as a single

Gaussian and fitting the feature at 4360 Å separately

from [O iii]λ4364. As a shorthand, we refer to the fea-

ture at 4360 Å as [Fe ii]λ4360, and the simultaneous

[O iii] and [Fe ii] line fits are denoted by an asterisk (*)

in both Tables 2 and 3.

In Table 2, we see that in most cases, choosing a sin-

gle vs. a double fit does little to change the [O iii]λ4364

flux. The exceptions to this are GOODS-N-8240 and

GOODS-N-14595 where, in the former, the single fit

yields a higher S/N ratio and, in the latter, the double fit

yields a better S/N ratio. Since it is unclear to what ex-

tent the emission in GOODS-N-14595 can be attributed

to [O iii]λ4364, we report the determination of physical

quantities from the single-Gaussian fit to [O iii]λ4364.

We perform this same exercise on the stacked spectra

and report the results in Table 3, with the simultane-

ous double Gaussian fits marked by asterisks. Since the

emission at 4360 Å is only seen in GOODS-N targets,

we check to see if the fitting technique has an effect on

the measured line luminosities in stacks 2 and 3, finding

that there is no significant effect on either stack. We

do see an effect on stack 1 in that the single fit has a

higher S/N ratio. Thus, we use the single Gaussian fit

to [O iii]λ4364 in the stacks to determine physical con-

ditions.

For the individual [O iii] auroral targets, only

GOODS-N-8240 has a well-constrained oxygen abun-

dance of 12 + log(O/H) = 8.02+0.24
−0.17, corresponding to

∼21% of the solar oxygen abundance. For the compos-
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ite spectra, we find that the z ∼ 2.5 COSMOS stack has

an oxygen abundance of ∼ 11% the solar value, while

the z ∼ 1.7 GOODS-N stack has an oxygen abundance

greater than ∼ 21% the solar value. For nitrogen, the

abundances relative to the solar value are ∼ 4% and

& 13% for stacks 1 (z ∼ 2.5) and 2 (z ∼ 1.7).

4. DISCUSSION

We now turn to an analysis of the emerging trends in

relations between strong-line ratios and direct oxygen

abundance at high redshift enabled by our deep MOS-

FIRE observations. In addition, the new analysis of the

[O i]λ6302/Hα ratio in 21 galaxies beyond the local uni-

verse, while not representing a complete statistical sam-

ple, hints at the properties of the ionized gas and the

stellar populations in high-redshift galaxies.

4.1. Indirect Metallicity Indicators

Analyzing the accuracy of indirect metallicity indi-

cators out to high redshifts is important for our under-

standing of the chemical evolution of galaxies across cos-

mic time. With our oxygen abundance measurements

of the stacked spectra of auroral targets, we have con-

straints for the average metallicities of the galaxies con-

sidered in this study. We compare these stacks alongside

measurements from the literature to strong-line metal-

licity indicators in order to understand how the accuracy

of these indicators may shift with cosmic time.

In Figure 4, we show six strong-line ratios vs. oxy-

gen abundance for our three stacks, and we plot

the metallicity relations from Curti et al. (2020)

determined from stacks of galaxy spectra in the

local universe. The short-hand labels for the

strong-line ratios are defined as follows: R3 =

[O iii]λ5008/Hβ, R2 = [O ii]λλ3727, 3730/Hβ, R23 =

([O iii]λλ5008, 4960 + [O ii]λλ3727, 3730)/Hβ, O32 =

[O iii]λ5008/[O ii]λλ3727, 3730, N2 = [N ii]λ6585/Hα,

O3N2 = ([O iii]λ5008/Hβ)/([N ii]λ6585/Hα). We note

that below an oxygen abundance of 12+log (O/H) ≈ 8.1,

there are fewer individual z ∼ 0 SDSS galaxies with

>10σ [O iii]λ4364 detections, and the sample is biased

toward higher specific SFR, representing a population

more similar to our high-redshift sample than z ∼ 0

galaxies (refer to the discussion in the appendix of

Sanders et al. (2021) for a detailed analysis of the low-

metallicity Curti et al. (2017, 2020) calibration sam-

ple). Additionally, we show the relationships between

strong-line ratios and metallicity determined by Bian

et al. (2018) for local galaxies selected to have emission-

line properties analogous to those of high-redshift galax-

ies. Alongside these two line-ratio relations, we show

the strong-line ratio vs. oxygen abundance for a large

sample of H ii regions from the literature (compiled by

Sanders et al. (2017) with data from Pilyugin & Grebel

(2016), Croxall et al. (2015), and Toribio San Cipriano

et al. (2016)) with a running median displayed as a solid

black curve, and 1σ intervals shown as dotted lines to

visualize the spread of the distribution.

Upon visual inspection, the oxygen abundances of the

stacks lie within the distribution of galaxies from the

literature (compiled by Sanders et al. (2020) with two

additional galaxies from Sanders et al. (2023b)) shown

as blue points. In the cases of log(R23) and log(N2),

the Bian et al. (2018) curve serves as a better metallic-

ity indicator to high-redshift galaxies compared to the

Curti et al. (2020) curves. In the cases of the log(R3),

log(R2), log(O3O2), and log(O3N2) curves, the spread

of galaxies is large compared to the differences between

the Curti et al. (2020) and Bian et al. (2018) curves, so

it is difficult to determine if there is a preference for one

over the other. In general, the stacks agree most consis-

tently with the distribution of H ii regions, though the

galaxies from the literature are offset from the H ii re-

gions to higher log(R3) and log(R23) at fixed oxygen

abundance.

With a small existing sample size, it is difficult to

make definitive conclusions about the accuracy of these

strong-line ratios, especially considering that the sam-

ple of galaxies is biased towards bright, high electron

temperature targets. For two of the individual auroral-

line targets where there were existing MOSDEF spectra

(COSMOS-19439 and COSMOS-19752), we predicted

the [O iii]λ4364 flux based on [O iii]λ5008 flux as well

as Te predictions. For COSMOS-19439 and COSMOS-

19753, we predicted auroral [O iii] line fluxes in the

ranges of 0.8 − 1.9 × 10−18 and 2.1 − 5.0 × 10−18 erg

s−1 cm−2 respectively. Since the 2σ upper limits are

above our lowest line flux predictions, this suggests that

the observations did not reach the required depth in

the 10 combined hours of integration. This comparison

demonstrates the limitations of 10-m-class ground-based

observatories in this area of study and highlights the

importance of JWST in building representative galaxy

samples moving forward.

4.2. Insights from [O i] emission

We present the properties of our sample of galax-

ies in the [O iii]λ5008/Hβ vs. [N ii]λ6585/Hα,

[S ii]λλ6716, 6731/Hα, and [O i]λ6302/Hα BPT dia-

grams shown in Figure 5. In all diagrams, local Sloan

Digital Sky Survey (SDSS; York et al. 2000; Abaza-

jian et al. 2009) galaxies are shown as grayscale, two-

dimensional histograms. A sample of local H ii regions

from the literature (see Sanders et al. 2017) is shown
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Figure 4. Comparison of the direct oxygen abundance measurements of our stacks with strong-line indicators from Curti et al.
(2020) in orange and Bian et al. (2018) in purple. Strong-line indicators are plotted in solid lines over their quoted metallicity
ranges, and extrapolations are shown by dashed lines. We also display z > 1 galaxies from the literature with direct oxygen
abundance measurements as blue points (see Sanders et al. 2020, 2023b). Finally, we show the median relation of local H ii
regions (see Sanders et al. 2017) as a solid black curve, with the 1σ spread illustrated as black dotted curves.

as a set of magenta points with an accompanying run-

ning median and a 1σ shaded region. In the [N ii]

BPT diagram, we plot the [O iii] auroral targets as

well as the [O i] composite spectra. We see that the

[O iii] auroral sample (represented by squares) consists

of high-excitation galaxies (log([O iii]λ5008/Hβ) & 0.5)

and skews toward higher [O iii]/Hβ at fixed [N ii]/Hα

compared to the z ∼ 1.5 and z ∼ 2.3 samples from

Shapley et al. (2019). When compared to H ii regions in

the literature, the auroral targets are ∼0.1 dex higher

in log([N ii]λ6585/Hα) than the median locus of H ii re-

gions at fixed log([O iii]/Hβ). The characteristics are

similar for the z ∼ 2.5 [O iii] auroral galaxy in the

[S ii]/Hα diagram, where it is offset from the H ii regions

and Shapley et al. (2019) samples at higher [S ii]/Hα and

[O iii]/Hβ.

We additionally present a novel analysis of galaxies on

the [O i] BPT diagram at z > 1. Including the filler tar-

gets, a total of eight galaxies yielded significant (>2σ)

[O i]λ6302 detections, with two of the auroral [O iii] tar-

gets (COSMOS-19753 and GOODS-N-6699) yielding de-

tections. In order to understand the general character-

istics of the galaxies in regard to the [O i] BPT diagram,

we constructed two composite spectra separated by red-

shift, choosing to include galaxies with coverage of the

[O i] lines with the exception of galaxies whose [O i] fea-

ture fall on sky lines. These criteria result in two stacks

with 13 galaxies in the 1 ≤ z < 2 stack and 8 galaxies

in the 2 ≤ z ≤ 3 stack. The line ratios associated with

these stacks are plotted as “plus” (+) symbols in Figure

5.

We see that these stacks follow a similar trend of rel-

atively high [O iii]/Hβ relative to the SDSS sample and

high [O i]/Hα relative to the locus of H ii regions. There

are several factors that can influence the [O i]/Hα ratio

in a galaxy, including contributions of DIG, the pres-

ence of shocks, and hardness of the ionizing spectrum,

the latter of which appears to be relevant in z > 1 galax-

ies (Zhang et al. 2017; Shapley et al. 2019).
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Figure 5. [N ii], [S ii], and [O i] BPT diagrams showing where the auroral and [O i] galaxy samples from this work lie in relation
to SDSS galaxies in the local universe (grayscale, 2D histogram). We also compare the galaxies and stacks from this work to
local H ii regions from the literature (compiled by Sanders et al. (2017)) and display a running median. The [O iii] auroral
targets are shown by squares, while the non-[O iii]-auroral targets are shown by diamonds. The 1 ≤ z < 2 and 2 ≤ z ≤ 3 targets
are displayed in blue and orange respectively. For comparison, stacks of z ∼ 1.5 and z ∼ 2.3 galaxies from Shapley et al. (2019)
are shown as purple and red triangles respectively. Upper limits on [S ii] and [O i] detections are shown in black. In the bottom
three panels, the same BPT diagrams are shown with CLOUDY photoionization models overlaid. The curves are color-coded
by stellar metallicity indicated in the colorbar.
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In the bottom three panels of Figure 5, we compare

the line ratios from these [O i] stacks to CLOUDY (Fer-

land et al. 2017) photoionization models following the

prescription laid out in Jeong et al. (2020). The mod-

els are based on stellar spectra drawn from BPASS (El-

dridge et al. 2017; Stanway & Eldridge 2018) where each

model curve represents a 108.5 year-old stellar popula-

tion with a constant star-formation history. Along each

curve of fixed stellar metallicity (Zstar), we vary the ion-

ization parameter and the nebular metallicity accord-

ing to the Topping et al. (2020a) relation: log(U) =

−1.06 × [12 + log(O/H)] + 5.78. In both the [N ii] and

the [O i] BPT diagrams, we find that both the 2 ≤ z ≤ 3

and 1 ≤ z < 2 [O i] stacks agree well with the very

sub-solar metallicity (1.0 × 10−5 . Zstar . 2 × 10−3)

stellar population curves. Since not all of the galax-

ies in the [O i]stacks had wavelength coverage of the

[S ii]λ6716, 6731 doublet, we do not include them on the

[S ii] BPT diagram. Taken together with typical nebular

oxygen abundances inferred from the MOSDEF survey

(Sanders et al. 2021; Topping et al. 2021), the compar-

ison of these observations with photoionization models

supports the picture of harder ionizing spectra from low-

metallicity, Fe-poor massive stars driving the line ratios

of galaxies at higher redshifts (e.g., Steidel et al. 2016;

Strom et al. 2017; Shapley et al. 2019; Sanders et al.

2020; Topping et al. 2020a,b; Runco et al. 2021; Cullen

et al. 2021).

Though the harder ionizing spectrum is fully capa-

ble of explaining the enhancement in [O i]/Hα in these

galaxies, it is also possible that shocks and varying con-

tributions of DIG affect the BPT line ratios. With up-

coming spectroscopic observations from JWST, an anal-

ysis of these effects may become more robust due to a

larger sample of galaxies with a wider range of proper-

ties, for which we will also have detections of [O i].

4.3. Nitrogen abundances

We additionally comment on the nitrogen abundance

patterns displayed by our [O iii] auroral galaxy sample.

In the context of the star-forming galaxy population at

z ∼ 2, the nitrogen abundances from the stacks are con-

sistent with empirical predictions based on their average

stellar masses. For example, Strom et al. (2022) deter-

mined the nitrogen abundances for a sample of 195 z ∼ 2

star-forming galaxies. Their linear fit to this sample pre-

dicts a nitrogen abundance of 12+log(N/H) = 6.93 at a

stellar mass of log(M/M�) = 9.5 with an intrinsic scat-

ter of 0.33 dex in abundance. Within their respective

limits and uncertainties, all three of the stacks as well

as GOODS-N-8240 and COSMOS-18812 have nitrogen

abundances consistent with this prediction.

As well as analyzing the nitrogen abundance, we dis-

cuss the nitrogen to oxygen (N/O) ratio. The N/O ra-

tios of galaxies and H ii regions are often used as a probe

of the nucleosynthetic origin of nitrogen where, at low

metallicity (12 + log(O/H) . 8), log(N/O) is fixed at

∼ −1.5. This is referred to as the “primary” nitrogen

regime since, at low metallicity, the nitrogen yield is tied

to those of the α elements (Pilyugin et al. 2010; Pérez-

Montero & Contini 2009; Izotov et al. 2006). At higher

oxygen abundances, the nitrogen yield increases in pro-

portion to the CNO abundances, and the N/O ratio

increases, comprising the “secondary” nitrogen regime.

Since the [O iii] auroral targets have significantly sub-

solar oxygen abundances on average, they should fall

within the primary nitrogen regime.

For stacks 1 and 3, where we have constraints on the

N/O ratio, we find that their abundance pattern is con-

sistent with those found in local H ii regions (e.g., Pilyu-

gin et al. 2010). However, for GOODS-N-8240, we find

that its N/O ratio of log(N/O) = −0.99+0.22
−0.23 is slightly

enhanced given its oxygen abundance of 12+log(O/H) =

8.02+0.24
−0.17. Several hypotheses have been put forward to

explain the abundance pattern of objects with enhanced

N/O, one of which appeals to strong winds from Wolf-

Rayet stars enriching the ISM (e.g., Pagel et al. 1986;

Brinchmann et al. 2008; Masters et al. 2014). A more de-

tailed analysis is required to determine the exact source

of nitrogen enhancement in this target.

Another point of interest in studying the N/O ratio

is to investigate its effects on trends in the [N ii] BPT

diagram across cosmic time. Specifically, if there are

significant differences between the N/O vs. O/H ratio

at high redshifts compared to low-redshift observations,

then an evolving N/O abundance pattern may play an

important role in interpreting diagnostic line ratios in-

volving nitrogen and oxygen (Curti et al. 2022; Hayden-

Pawson et al. 2022). Because the stacks are consistent

with the local N/O vs. O/H relation, there does not ap-

pear to be strong evidence for an evolution in the N/O

ratio in this sample, though GOODS-N-8240 does rep-

resent an outlier in this regard.

5. CONCLUSIONS

We present an ultra deep rest-optical spectroscopic

analysis of several z > 1, high-excitation galaxies with

up to 10 hours of integration time in some bands, and

we analyze their excitation properties as well as their

oxygen abundances. We selected eight galaxies with

strong nebular [O iii] emission and high predicted elec-

tron temperatures to maximize the chance of detecting

the [O iii]λ4364 emission line. We detected [O iii]λ4364

in two targets, and we chose to stack the eight [O iii]-
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auroral-selected galaxies to observe their general char-

acteristics. Additionally, eight of the galaxies that were

not targeted for auroral oxygen emission lines yielded

[O i] detections, enabling the first analysis of high-

redshift galaxies in this parameter space. Here are the

key conclusions from this work:

1. When comparing the oxygen abundnces of the

auroral-target stacks and galaxies in the literature

on the strong-line indicator diagrams, we find that

the stacks from this analysis are qualitatively con-

sistent with the distribution found in the literature

in both oxygen abundance and strong-line ratio.

In general, it is difficult to say with a small sample

size whether the Curti et al. (2020) or Bian et al.

(2018) curves better describe galaxies at z > 1.

In the case of log(R23) and log(N2), this may be

the case. While the current sample size is limited,

these results indicate that stacking analyses are

promising.

2. When stacking together the galaxies with [O i] cov-

erage (both auroral and non-auroral targets), we

find that galaxies typically lie at higher [O i]/Hα

at fixed [O iii]/Hβ relative to the median locus

of local H ii regions. This offset is consistent

with photoionization models with low-metallicity

(1.0 × 10−5 . Zstar . 2 × 10−3) stellar popula-

tions, supporting the picture that the line ratios

in z > 1 galaxies are driven by harder ionizing

spectra at fixed nebular oxygen abundance.

3. The N/O abundances of the [O iii] auroral stacks

suggests that the nitrogen enrichment in our

galaxy sample at z ∼ 2 is of primary origin

and is consistent with the N/O vs. O/H pri-

mary abundance pattern seen in local H ii regions.

Though the N/O abundance of GOODS-N-8240

is enhanced given its oxygen abundance, we do

not find evidence that the line ratios in our galaxy

sample are driven by an evolving N/O ratio with

cosmic time.

The results of this analysis demonstrate the limits of

10-m-class ground-based facilities in the realm of nebu-

lar metallicity studies of galaxies at cosmic noon. Given

that 10 hours of total integration time was still not

enough to reach the required depth to consistently de-

tect the [O iii]λ4364 line in all of the targets, we em-

phasize the importance of more sensitive facilities such

as JWST and future 30-m-class observatories to make

advances in this area of study. To date, JWST has al-

ready yielded a high number of auroral-line detections

out to z ∼ 8 (e.g., Curti et al. 2023; Williams et al.

2022; Nakajima et al. 2023; Tang et al. 2023; Sanders

et al. 2023a). It is already playing an instrumental role

in building up the sample of auroral-line measurements

at cosmic noon and enabling improvements in strong-

line metallicity calibrations at high redshfits.
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Izotov, Y. I., Stasińska, G., Meynet, G., Guseva, N. G., &

Thuan, T. X. 2006, A&A, 448, 955,

doi: 10.1051/0004-6361:20053763

Jeong, M.-S., Shapley, A. E., Sanders, R. L., et al. 2020,

ApJL, 902, L16, doi: 10.3847/2041-8213/abba7a

Kewley, L. J., & Ellison, S. L. 2008, ApJ, 681, 1183,

doi: 10.1086/587500

Koekemoer, A. M., Faber, S. M., Ferguson, H. C., et al.

2011, ApJS, 197, 36, doi: 10.1088/0067-0049/197/2/36

Kriek, M., van Dokkum, P. G., Labbé, I., et al. 2009, ApJ,
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Abstract—The Next Generation Arecibo Telescope (NGAT) was
a concept presented in a white paper [1] developed by members
of the Arecibo staff and user community immediately after the
collapse of the 305 m legacy telescope. A phased array of small
parabolic antennas placed on a tiltable plate-like structure forms
the basis of the NGAT concept. The phased array would function
both as a transmitter and as a receiver. This envisioned state of
the art instrument would offer capabilities for three research
fields, viz. radio astronomy, planetary and space & atmospheric
sciences. The proposed structure could be a single plate or a set
of closely spaced segments, and in either case it would have an
equivalent collecting area of a parabolic dish of size 300 m. In this
study we investigate the feasibility of realizing the structure. Our
analysis shows that, although a single structure ∼300 m in size is
achievable, a scientifically competitive instrument 130 to 175 m
in size can be developed in a more cost effective manner. We
then present an antenna configuration consisting of one hundred
and two 13 m diameter dishes. The diameter of an equivalent
collecting area single dish would be ∼130 m, and the size of
the structure would be ∼146 m. The weight of the structure is
estimated to be 4300 tons which would be 53% of the weight
of the Green Bank Telescope. We refer to this configuration as
NGAT-130. We present the performance of the NGAT-130 and
show that it surpasses all other radar and single dish facilities.
Finally, we briefly discuss its competitiveness for radio astronomy,
planetary and space & atmospheric science applications.

Index Terms—Antennas, Radar, Radio Astronomy, Design
principles, Model

Invited paper for the ICEAA-IEEE APWC conference, Venice, Italy, Oct
9-13, 2023

I. INTRODUCTION

The Arecibo Observatory (AO) hosted the most sensitive
radio telescope and the most powerful radar system until
the unexpected collapse of the 305 m “legacy” telescope
on December 1, 2020. The facility served three scientific
communities: the planetary science, the space and atmospheric
sciences, and the radio astronomy communities. Its collapse
has produced a significant void in these scientific fields. Any
future multidisciplinary facility should enable cutting-edge
capabilities for all three scientific fields.

Immediately after the collapse of the legacy telescope,
members of AO staff and the three scientific communities
had extensive discussions regarding the rebuild of a future
facility. The outcome of these discussions can be summarized
as follows [1]. Any new facility must meet the capability
requirements listed below:

• Planetary science: 5 MW of continuous wave transmitting
power at 2 to 6 GHz, 1 to 2 arcmin beam width at these
frequencies, and increased sky coverage.

• Atmospheric science: 0o to 45o sky coverage from zenith
to observe both parallel and perpendicular directions to
the geomagnetic field, 10 MW peak transmitting power
at 430 MHz (also at 220 MHz under consideration) and
excellent surface brightness sensitivity.

• Radio astronomical science: Excellent sensitivity over
200 MHz to 30 GHz frequency range, increased sky
coverage and telescope pointing up to 48o from zenith
to observe the Galactic Center.
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• The initial suggestion was to have a total collecting area
for the facility equivalent to a parabolic dish of diameter
300 m.

In order to accomplish the above scientific goals, we
presented an innovative concept of a compact, phased array
of dishes on a steerable plate-like structure. This concept is
referred to as the Next Generation Arecibo Telescope (NGAT).
This new concept requires extensive engineering studies. Here
we present a preliminary study to obtain an estimate for the
size and weight of the structure. The study is based on the ‘von
Hoerner Model’ [2], a cost effective solution to build a large,
steerable ‘single reflector’ telescopes (see for example [7]). In
Section II, we discuss the model, the constraints we imposed
for the study, and present the results. Based on this study, we
present in Section III a new, cost effective, and scientifically
competitive configuration, referred to as NGAT-130. A concise
list of unique scientific usage of the NGAT-130 is given in
Section IV and future work is discussed in Section V.

II. VON HOERNER MODEL

The von Hoerner model [2] simplifies a steerable telescope
structure to an octahedron. The octahedron would be supported
at two points and turned from a third point to make the
structure steerable. The reflector surface would be constructed
on the flat, ‘square’ shaped surface in its center with the focus
located perpendicular to this surface on the fourth point of
the octahedron. As the telescope tilts, the structure would
deform under its own gravity. Moreover, deflections due to
wind and temperature gradient would be superposed on this
structural deformation. The octahedral structure provides min-
imum deflection from its own weight and from wind. Given
such a structure and the assumed construction of the reflector
surface on the structure, [2] provides expressions to estimate
the weight of the structure as well as relationships between
the root mean square (RMS) deflections on the structure due
to gravity, wind and temperature gradient and its diameter.

The NGAT concept consists of a planar array of small
parabolic dishes placed on a supporting structure that could
be tilted to point the array to different directions in the sky.
Each dish has its own focal point and so the “fourth” point
of the octahedron would not be required. Removing the four
legs connecting the “fourth” point reduces the weight of the
structure but the magnitude of the deflection would be different
from those of a symmetric octahedron. Nevertheless, we apply
the von Hoerner model here to get an estimate for the weight
and size of a realizable NGAT structure. To apply the von Ho-
erner model, we imagine replacing the framework supporting
the reflector surface with an equivalent framework to support
the array of dishes, their individual parabolic surfaces, and
the electronic and cooling components required for each dish.
Unlike in conventional parabolic telescopes, the framework for
the NGAT would be constructed so as to support a planar array
of dishes.

We are interested in exploring a NGAT structure with
diameter greater than ∼100 m. For such a telescope size, the
wind and thermal deflections are small compared to that due

to gravity if the structure is build at least for survival condition
[2]. The survival wind speed considered is ∼136 mph – 5.4
times more than the typical operating wind speed (∼25 mph)
of the telescope. We make the following assumptions to obtain
the weight and size estimates for the NGAT structure.

• We assume that the magnitude of gravitational deflection
is roughly similar to that for the structure modeled by
[2].

• The changes in gravitational deflection are slow compared
to the telescope tracking time and the spatial scale of
the deflection is larger than the size of the small dishes.
Thus the gravitational deflection can be compensated
by re-pointing and focusing the optics of the dishes.
This assumption is justified by routine application of the
surface adjustments made on the Green Bank Telescope
(GBT) at frequencies > 20 GHz to recover the loss in
aperture efficiency due to gravitational deformation [3].

The weight of the telescope structure can be divided into
two parts: (1) active weight and (2) passive weight. The active
weight would be that of the load-bearing part of the structure
which opposes deflections. For conventional telescopes, the
passive weight includes those of the parabolic surface, support
framework and parts of the drive mechanism. The passive
weight of the NGAT will be higher, which is discussed in
Section II-B. To some extent, the active weight of the structure
can be increased beyond what is required for survival to
obtain the desired gravitational deflection. Thus we need to
specify a maximum tolerable gravitational deflection in order
to calculate the total weight of the structure.

A. Compensating for gravitational deflection

A specification on gravitational deflection has to be arrived
at from different considerations, which include the science
requirements, the cost of compensating the deflection by re-
pointing the small dishes, and the cost of the additional active
weight needed to achieve the specified deflection. There are
a number of science drivers such as precision pulsar timing,
red-shifted HI observations from individual galaxies and HI
intensity mapping, which all require excellent system stability
and low measurement systematics. These observations need
to be done at frequencies below ∼2 GHz. Therefore it is
desired that the NGAT should operate with no correction for
gravitational deflection at frequencies below ∼2 GHz.

As mentioned above, we are assuming that the gravitational
deflections can be corrected by re-pointing and focusing the
dishes. We consider the case that the diameter of the small
dish d is at least 1

10 of the diameter D of the NGAT structure.
Thus at the scale of the dish diameter only a fraction of the
full peak-to-peak magnitude of the structural deflection will
be effective. This deflection will result in a pointing offset
and we would like to keep the change in pointing less than or
equal to one tenth of the full width at half power (FWHM)
beamwidth of each small dish at frequencies below ∼ 2 GHz.



At these frequencies we then have,

2∆hg
d

≤ 1

10

1.22λ

d

∆hg ≤ λ

16
, (1)

where λ is observing wavelength, ∆hg is the RMS value of the
deflection due to gravity and we consider that the maximum
deflection at the scale of d is twice the RMS value. Under these
considerations, Eq. 1 essentially states that the wavelength
above for which no correction is needed is similar to the
gravitational limit of operation for a conventional parabolic
reflector telescope. The gravitational limit, λg , is the minimum
operating wavelength determined by ∆hg for a conventional
telescope. If we set this limit to be between 1.5 and 2.5 GHz,
then ∆hg = 1.25 – 0.75 cm.

Let us now consider the operation of NGAT for frequencies
above ∼ 2 GHz. It will be cost effective to correct for
gravitational deflection by moving the feed near the focus
rather than moving the whole reflector dish. The shift in
pointing in terms of the number of FWHM beamwidths n
is given by

n =
2∆hg

d

1.22λd
= 1.6

∆hg
λ

. (2)

The maximum desired operating frequency for NGAT is ∼30
GHz [1]. For ∆hg in the range 0.75 to 1.25 cm, the shift
in beam at 30 GHz corresponds to n = 1.2 – 2.0. We
wish to compensate this shift by moving the feed away from
the nominal focus. For a parabolic dish with prime focus
operation, the gain changes for the above n values are <
0.5 dB if the focal length over diameter ratio is greater
than 0.35 [4]. Thus the pointing correction to compensate for
gravitational deflection can be achieved by just moving the
feed at operating frequencies between ∼ 2 and 30 GHz.

In summary, we introduce condition 1 for the design of the
NGAT – no pointing correction in the small dishes to com-
pensate for gravitational deflection for operating frequencies
below ∼ 2 GHz. Below we use 1.5 to 2.5 GHz as the range
for this frequency to estimate the telescope weight.

B. Passive weight of the NGAT

The passive weight for the NGAT will be different from that
of a conventional telescope. The passive weight for the NGAT
includes the weight of the cooling system for transmitters
(weight ∼ 600 Kg), helium pump for cryogenic receivers
(∼ 400 Kg), electronics and feed support structure (∼ 1000
Kg). Our rough estimate for the weight of these components
associated with a small dish is ∼ 2 tons. Thus the total excess
weight for NGAT is ∼ 2N tons, where N is the number
of small dishes in the NGAT. N is taken approximately as
(D/d)2, where D and d are the diameters of the NGAT
structure and the small dish respectively.

C. The weight of the NGAT

We consider that the structure is made of steel (see Table 1
of [2] for a list of the properties of steel). For a given λg in
cm, D in m and d in m, we estimated the following quantities,

wac = 216(10cm/λg)(D/100m)3 + 38(D/100m)2 (3)
wps = 122(D/100m)2 + 2(D/d)2 (4)

K1 =
λg

5.3(D/100m)2
(5)

K2 = 1 +
wps
wac

. (6)

Here wac is the active weight in tons, wps is the passive
weight in tons, which includes the additional passive weight
due to the components required for the NGAT, K1 and K2
are ‘passivity factors’ (see Eqs. 25, 26, 27 and 8 of [2]).
The diameter D is 1.25 times the diagonal distance of the
octahedron since some of the small dishes will be supported
by a cantilever. The expressions for wac are for the survival
conditions. If K1 < K2, then the active weight needs to
be increased to reduce the gravitational deflection so that K2
becomes equal to K1. The total weight of the moving structure
of the NGAT is then the sum of the corrected active weight
and wps. The results are shown in Fig. 1 for four values of
λg corresponding to frequencies 0.1, 1.5, 2 and 2.5 GHz; the
latter three values are consistent with condition 1 discussed in
Section II-A. The RMS deflections due to gravity and for an
assumed temperature gradient of 5oC are also shown in Fig. 1.

The total weight of the telescope should include the weight
of the moving structure plus the towers (supporting the moving
structure) and wheels required for the azimuth motion. A
detailed design of the towers is required to estimate the weight.
In an example telescope design of size 152 m provided by [2]
(see Table V in [2]), the tower weight is 80% of the weight of
the moving structure. Therefore we take, as a worst case, the
total weight of the NGAT as twice the weight shown in Fig. 1.
An upper bound for the weight of a fully steerable NGAT
could be taken as the weight of the GBT (8000 tons [3]). It
is indeed possible to build a fully steerable 300 m structure
with weight < 8000 tons if we relax condition 1 (see the case
for 0.1 GHz in Fig. 1). But its gravitational deflection and
construction cost may be too large to be economical. A lower
bound for the size of the NGAT will be determined by the
collecting area and transmitter power per dish required for its
scientific usage. As discussed below, an NGAT structure with
D > 130 m or so will be a very useful scientific instrument.
The shaded area in Fig. 1 shows the regions bound by these
two limits. In this parameter space, the deflection is dominated
by gravitational deformation as seen in Fig. 1(left).

D. Operating cost

One of the factors that determine the operating cost is the
power required to slew the NGAT structure. Typical slew speed
for large telescopes is about 36 deg/minute and acceleration
used is about 0.1 deg/s2 (see for example [3]). We estimate the
power consumed to accelerate the NGAT structure from rest



Fig. 1. Left: Estimated weight of the moving structure in tons as a function
of the telescope diameter for the NGAT configuration. The weights are
obtained such that the RMS deflection due to gravity is ≤ λg/16, where
λg is the wavelength corresponding to the frequencies marked on the legend.
For frequencies above those marked, the gravitational deflection needs to be
corrected for by re-pointing and focusing the small dishes. The patch shows
the range of diameters (130 to 175m) for a NGAT structure which would
have a total weight (including the azimuth towers and wheels; see text) less
than or equal to that of the GBT. The dot indicates the size and weight of
the NGAT-130 (see Section III). The estimated weight in all cases satisfies
the survival condition for a maximum wind speed of 136 mph. Right: The
estimated RMS deflections resulting from structural deformation due to its
own weight and temperature gradient of 5oC for the results shown on the left
figure. The dominant deflection is due to gravity. The curves corresponding
to frequencies 1.5, 2.0 and 2.5 GHz ‘flatten’ after a certain diameter because
the active weight has been increased to maintain the deflection due to gravity
at λg/16.

to the required slew speed. We approximate the full structure
(moving structure + azimuth towers) as a cylinder for this
calculation. Fig. 2 gives the power consumed to accelerate to
the required slew speed in KW as a function of the diameter
D. As expected, a 300 m NGAT structure will have a higher
operating cost (a factor of 5) compared to the NGAT-130
configuration discussed in Section III.

III. NGAT-130 AND ITS PERFORMANCE

The NGAT would satisfy the requirements of the three
existing scientific disciplines at AO. For a given wavelength
of operation and a specified system temperature, the “sys-
tem factor” for planetary, atmospheric and radio astronomy
sciences are, respectively, P × A2

eff , Pp × Aeff and Aeff .
Here P and Pp are the continuous wave (CW) and peak
transmitter powers and Aeff is the total effective area of the
NGAT. Aeff is determined by the number of small dishes
(as well as their individual aperture efficiencies), which in
turn depends on the size of the telescope structure, and
the achievable transmitter power depends on the available
electronic components and the details of their implementation
(e.g. phased array implementation). The cost model for these
two quantities are very different and optimization is definitely
required to realize the most economic configuration. Another

Fig. 2. Estimated power consumption to accelerate the NGAT structure from
rest to a slew speed of 36 deg/minute at a constant acceleration of 0.1 deg/s2
is plotted as a function of D. The dot indicates the power consumption of
the NGAT-130 (see Section III), which is about 59 KW.

factor that enters cost optimization is the size of the individual
small dish. In the absence of a cost model, we take the power
per dish for planetary transmitter as ∼80 kW. This value
is based on [5] who discusses the possibility of developing
SSPAs (solid state power amplifiers) that could provide such
powers. If we consider a dish size of d = 13 m, then about 102
dishes could be accommodated within an NGAT structure of
size D ∼ 146 m (see Fig. 3). This configuration will result in
a total CW transmitter power of 8 MW. If the cooling system
for this transmitter can be shared with the transmitter for the
atmospheric science application, then peak transmitter power
of ∼150 kW per dish could be used, which provides a net peak
power of 15 MW. For astronomical sciences, the collecting
area of this NGAT configuration is ∼ 70% larger than that
of the GBT. A summary of the telescope configuration, the
expected transmitter and receiver performances are given in
Table I. The total collecting area is equivalent to a parabolic
dish of size ∼130 m. We compare the performances of the
proposed NGAT-130 with other facilities in Fig. 4 & 5. The
total weight (weight of the moving structure + azimuth towers)
of the NGAT-130 structure is ∼4300 tons for λg = 15 cm,
which is 53% of the weight of the GBT.

IV. A BRIEF DISCUSSION OF THE SCIENCE APPLICATIONS

A concise list of unique science applications of the NGAT-
130 is given below. Overviews of some science applications
were given in [1], and detailed discussions of the cases below
will be presented elsewhere.

• HI intensity mapping: The dish configuration in the
NGAT-130 is similar to the configuration required for
experiments like HI intensity mapping [6]. Unlike cur-
rently proposed experiments, the NGAT-130 will be able
to track a region in sky which will allow coherent



Fig. 3. The configuration of the NGAT-130. In this configuration, one hundred
and two 13 m diameter dishes form a compact, planar phased array, which
will have a collecting area equivalent to a parabolic dish ∼130 m in diameter.
The size of the telescope structure will be D ∼ 146 m.

TABLE I
THE NGAT-130 CONFIGURATION

Small dish diameter 13 m
Number of dishes 102
Diameter of the telescope 146 m
Total weight of the telescope 4300 tons
Angular resolution @ 1.4 GHz 6.2

′

Zenith angle coverage 0o– 80o

Frequency coverage 0.2 – 30 GHz
CW transmitter power per dish @ 5 GHz 80 kW
Total CW transmitter power @ 5 GHz 8 MW
Pulsed transmitter peak power per dish @430/220 MHz 150 kW
Pulsed transmitter net peak power 15 MW
Receiver temperature & Aperture efficiency @ 1.4 GHz 25 K, 0.7
Receiver temperature & Aperture efficiency @ 30 GHz 44 K, 0.6

integration of the measured visibility in each of the uv
cell. This feature will considerably reduce the integration
time required to measure the power spectrum and also
will allow repeating such measurements toward different
directions in the sky.

• Imaging Gyrosynchrotron emission from Coronal Mass
Ejection (CME): Gyrosynchrotron emission associated
with CME is low surface brightness emission and is
time variable [8]. This emission needs to be detected
in the presence of strong radio emission from the Sun.
Thus imaging Gyrosynchrotron emission requires excel-
lent surface brightness sensitivity, dynamic range, and
good instantaneous uv coverage, all of which the NGAT-
130 would provide.

• Spectral line surveys: The large survey speed of the
NGAT-130 and spectral baseline stability achievable
through the interferometric mode of observations would

(a)

(b)

Fig. 4. (a) The CW transmitter performance of the NGAT-130 compared with
other facilities. (b) The distance and declination ranges over which different
facilities could detect a potentially hazardous asteroid of size 140 m (with
SNR of at least 5 after 30 minutes).

make it a fantastic instrument to detect, for example, red-
shifted HI and CO, galactic NH3, and prebiotic molecules
over a large sky area.

• Multi-beam phase referenced VLBI: Precision astrometry
using Very Long Baseline Interferometery (VLBI) as well
as observations of weak sources at higher frequencies
(> 8 GHz) require simultaneous observations of two or
more nearby brighter sources to determine the temporal
phase variations caused by the atmosphere/ionosphere.
The multi-beam capability and higher sensitivity of the
NGAT-130 are ideal for such applications.

• Pulsar, Fast Radio Burst (FRB) and NANOGrav Science:
The large field of view and sky coverage combined with
the excellent sensitivity make the NGAT-130 a superb
facility for pulsar search and characterization, pulsar
timing and FRB studies.



(a)

(b)

Fig. 5. (a) The pulsed radar performance of NGAT-130 compared with other
facilities. The power aperture product of 305 m telescope illuminated with a
line-feed is 6.3% larger than that of the NGAT-130, but the latter will have
larger sky coverage. (b) The survey speed of the NGAT-130 compared with
other radio telescopes.

• Ionospheric studies and imaging: The pulsed radar in
the NGAT-130 outperforms all other existing facilities.
Its large sky coverage will allow the NGAT-130 to make
measurements parallel and perpendicular to and also at
other angles relative to the earth’s magnetic field lines.
Further, the NGAT-130 would image the distribution of
the scattered radiation from the ionosphere within the
primary beam of the 13 m antennas (see for example
[9]).

• Planetary defense: The large sky coverage and excellent
‘system factor’ will make the NGAT-130 a unique facility
instrument for planetary defense.

• Space debris: The large field of view and sensitivity of
the NGAT-130 will make it a great instrument for space
debris studies (see for example [10]).

V. FUTURE WORK

In this paper we used the von Hoerner model [2] for large
telescope structures, along with a set of assumptions to esti-

mate the size and weight of a realizable and economic structure
for the NGAT. Our preliminary study shows that a NGAT of
size ∼146 m, with one hundred and two 13 m diameter dishes
could be developed economically. This configuration, referred
to as NGAT-130 (see Table I), will have a collecting area
equivalent to a single dish of diameter ∼130 m. The weight
of the structure will be ∼4300 tons, which is 53% of the
weight of the GBT. We discussed in Section IV that the NGAT-
130 will form a very competitive next generation instrument
for the three research fields, planetary, space & atmospheric
and radio astronomy sciences. A number of investigations and
development work are required before such a telescope can
be realized. These include: (a) develop a mechanical model,
estimating its deflections and weight and compare it with the
current estimates; (b) investigate if a homologous structure can
be developed for the NGAT which can reduce the gravitational
deflections; (c) investigate and verify how accurately a finite
element model of the structure can predict the structural defor-
mation; (d) investigate the effect of electromagnetic coupling
between the dishes and estimate the grating lobe levels (see
for example [11]); (e) develop cost effective 80 kW CW
and 150 kW pulsed solid state transmitters; (f) develop a
cost effective and high aperture efficiency wideband receiver
set for the NGAT; (g) develop pointing and focus correction
electronics for compensating the gravitational deflections and
prototype them. We plan to undertake these tasks in the coming
years and encourage collaborations to these ends from those
who are interested.
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ABSTRACT

The emission from shock breakouts (SBOs) represents the earliest electromagnetic (EM) signal emit-

ted by cataclysmic events involving the formation or the merger of neutron stars (NSs). As such, SBOs

carry unique information on the structure of their progenitors and on the explosion energy. The char-

acteristic SBO emission is expected in the UV range, and its detection is one of the key targets of the

ULTRASAT satellite. Among SBO sources, we focus on a specific class involving the formation of fast

spinning magnetars in the core-collapse (CC) of massive stars. Fast spinning magnetars are expected

to produce a specific signature in the early UV supernova light curve, powered by the extra spin energy

quickly released by the NS. Moreover, they are considered as optimal candidates for the emission of

long-transient gravitational wave (GW) signals, the detection of which requires early EM triggers to

boost the sensitivity of dedicated GW search pipelines. We calculate early supernova UV light curves

in the presence of a magnetar central engine, as a function of the explosion energy, ejecta mass and

magnetar parameters. We then estimate the ULTRASAT detection horizon (z < 0.15) as a function of

the same physical parameters, and the overall expected detection rate finding that magnetar-powered

SBOs may represent up to 1/5 of the total events detected by ULTRASAT. Moreover, at the expected

sensitivity of the LIGO/Virgo/Kagra O5 science run, one such event occurring within 5 Mpc will pro-

vide an ideal trigger for a GW long transient search. Future GW detectors like the Einstein Telescope

will push the horizon for joint EM-GW detections to 35-40 Mpc.

Keywords: Neutron stars: magnetars – shock break-out – UV data – Multi-messenger astronomy

1. INTRODUCTION

Over the last decade, major observational efforts in

astronomy have been devoted to time domain surveys

(e.g. ZTF, EUCLID, eROSITA, SKA, VRO), aimed at
exploiting the great discovery potential of explosive

transients produced in cosmic cataclysms. Many among

such events are expected to produce a characteristi-

cally bright emission in the UV band (Sagiv et al. 2014;

Kulkarni et al. 2021), a poorly covered spectral range in

the multi-wavelength monitoring of astrophysical tran-

sients. The Ultraviolet Transient Astronomy Satellite

(ULTRASAT), scheduled for launch in 2026, is a small

mission dedicated to time domain observations in the

NUV band, and will carry out the first wide-field sur-

vey of transient and variable sources, with a much larger

horizon than previous UV satellites.

A key goal of ULTRASAT is the early (hrs) detec-

tion of hundreds of core-collapse supernovae (CCSN)

Corresponding author: ssmenonoffl@gmail.com

and the high cadence (minutes) monitoring of their UV

light curves. Approximately 10% of CCSNe are expected

to lead to the birth of magnetars (Beniamini et al. 2019),

i.e. highly magnetic neutron stars (NS) thought to be
born with millisecond spin (e.g. (Dall’Osso & Stella

2021) and references therein). Due to these unique prop-

erties, newly formed magnetars can be powerful ma-

chines capable of injecting large amounts of energy and

driving a shock through the expanding ejecta. Once this

shock breaks out of the ejecta a characteristic UV signa-

ture is expected in the early supernova light curve, i.e.

a magnetar-driven shock breakout1 (SBO; e.g. (Kasen

et al. 2016; Liu et al. 2021)). The launch of ULTRA-

SAT thus represents an ideal opportunity for the first

identification of newly born magnetars, which will set-

1 This is different from, and later than, the ‘typical’ SBO expected
when the collapse-driven shock first breaks out of the progenitor
star. ULTRASAT may in principle observe both if a magnetar is
formed.

ar
X

iv
:2

30
5.

07
76

1v
1 

 [
as

tr
o-

ph
.H

E
] 

 1
2 

M
ay

 2
02

3

http://orcid.org/0000-0002-7349-1109
http://orcid.org/0000-0003-4366-8265


2 Menon et al.

tle a long-standing debate about their origin and role in

various astrophysical transients.

Moreover, newly born magnetars are expected to emit

long-lasting GW transients in the first hours after their

birth (Cutler 2002; Corsi & Mészáros 2009; Dall’Osso

et al. 2009; Dall’Osso et al. 2015; Dall’Osso et al. 2018;

Lander & Jones 2020; Sur & Haskell 2021). Such GW

signals can be much stronger than that from the core-

collapse itself and therefore detectable up to larger dis-

tances. Thus, even though magnetars occur only in ∼
10% of CCSNe, they can be detected in GWs with

a larger event rate if the search horizon is & 2 − 3

times that of CCSNe. Such an horizon can indeed be

achieved and even exceeded, at the sensitivity of the

LIGO/Virgo/Kagra (LVK) O4-O5 science runs, in the

presence of an electromagnetic (EM) trigger2, e.g. the

magnetar-driven SBO that ULTRASAT will provide.

In this paper we assess the detectability of magnetar-

powered SBOs with ULTRASAT. Building on existing

models (Kasen et al. 2016; Liu et al. 2021), in Sec. 2

we calculate the SBO peak luminosity, photosferic ra-

dius and peak temperature as a function of the rele-

vant NS parameters (spin period, P , and dipole mag-

netic field, B). In Sec. 3 we translate these parameters

into an ULTRASAT detection horizon, given the detec-

tor’s sensitivity in the 0.22-0.28 µm window. In Sec. 4 we

estimate, by exploring different parameter distributions

within the extragalactic magnetar population, the im-

plied ULTRASAT detection rate of magnetar-powered

SBOs, and the prospects for joint detections of the as-

sociated GW long-transients. We summarize our conclu-

sions in Sec. 5.

2. MAGNETAR-DRIVEN SBO LIGHT CURVES

A newly born millisecond spinning magnetar, with an-
gular velocity Ω = 2π/P and moment of inertia I, has

the rotational energy

Em =
1

2
IΩ2 ≈ 3× 1052 erg P−2

ms M1.4R
2
12 , (1)

expressing the spin period in milliseconds, the mass in

units of 1.4 M� and setting the radius R = 12 km. The

NS spins down due to magnetic dipole radiation on the

timescale (Spitkovsky 2006)

tm =
Ic2

2µ2Ω2
≈ 7× 104 s

(
Pms

B14

)2
M1.4

R4
12

, (2)

2 During the O2 science run, with a ∼ 3 times lower sensitivity than
in O4, GW searches for a post-merger remnant in GW 170817
reached an horizon . 1 Mpc (Abbott et al. 2019).

for an aligned rotator (dipole B-field in units of 1014 G),

releasing rotational energy at the rate

Lm =
Em/tm

(1 + t/tm)2
∼ 1047 erg s−1Em,52

tm,5
(1 + t/tm)

−2
.

(3)

The released energy inflates a high-pressure bubble of

relativistic particles and magnetic field that sweeps the

previously launched SN ejecta into a thin shell, driving

a shock through it. The density profile within the ejecta

shell can be approximated by a broken power-law, which

is shallow in the inner region and becomes very steep

close to the surface,

ρ(r, t) =


ζρ
MSN

v3
t t

3

(
r

vtt

)−δ
if v < vt

ζρ
MSN

v3
t t

3

(
r

vtt

)−n
if v ≥ vt ,

(4)

with the transition occurring at the velocity coordinate

vt ≈ 3× 108 cm s−1ζv

(
ESN,51

MSN/5M�

)1/2

(5)

for an homologous expansion of the shell. Typical values

are δ = 1 and n = 10 for CCSNe (Chevalier & Soker

1989), while

ζv =
2(5− δ)(n− 5)

(n− 3)(3− δ)

1/2

(6)

ζρ =
(n− 3)(3− δ)

4π(n− δ)
. (7)

By using the mass, momentum, and energy equations

for the shock (Kasen et al. 2016), we can determine its

radius rs as a function of time

rs(t) = vtt
1−α
tr tα (8)

α =

5/4 if v < vt

3/2 if v ≥ vt ,
(9)

where ttr is the time it takes for the shock to propagate

through the inner ejecta,

ttr = ζtr(ESN/Em)tm (10)

ζtr =
2(n− 5)(9− 2δ)(11− 2δ)

(5− δ)2(n− δ)(3− δ)
. (11)

Inside the shock, energy is dissipated at the rate ε̇sh

ε̇sh = 4πr2
s

ρ

2
v3

ejη
3 , (12)
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where vej = rs/t is the ejecta velocity at radius rs and η

is the shock strength parameter

η(t) =
vs − vej

vej
=

t

rs

(
drs

dt
− rs

t

)
, (13)

vs being the shock velocity. The shock will become

radiative once it reaches the region within the ejecta

where the photon optical depth τ ≈ c/vs. This shock

breakout (SBO) happens at radius

rbo = vtt

(
td√
n− 1t

)2/(n−2)

, (14)

where td is the effective diffusion time,

td =

√
ζρκMSN

vtc
, (15)

and κ = 0.1 cm2 g−1 the opacity of the ejecta material.

Equating the breakout radius rbo to the shock radius rs,

we obtain the SBO time,

tbo ≈

[
ζ1−β
tr

(n− 1)β/2

]
tβd t

1−β
m (ESN/Em)1−β (16)

with

β =
2

(α− 1)(n− 2) + 2
. (17)

Most of the radiation will escape from the region where

the photon optical depth τ ≈ 1, which defines the pho-

tospheric radius,

rp = 1.2vttd

(
tbo

td

)(n−3)/(n−1)

. (18)

The resulting luminosity evolution is (Kasen et al.

2016)

Lsbo(t) ≈ e
−
(
t

tbo

)2 ∫ t

0

2ε̇sh(t′)
t′

t2bo

e

 t′

tbo

2

dt′ . (19)

Fig. 1 depicts the time evolution of the shock heating

rate (left panel) and of the SBO bolometric luminosity

(right panel) for selected values of the magnetar spin

period and magnetic dipole field (see caption for de-

tails). We verified that the SBO lightcurve peak corre-

sponds approximately to the shock heating rate at the

SBO time, tbo, and can therefore be expressed as

Lpeak
sbo ≈ 9

ESN
td

η3

(
tm
td

ESN
Em

)(n−8)(1−β)/(n−2)

. (20)

3. PEAK LUMINOSITY IN THE ULTRASAT BAND

AND DETECTION HORIZON

The amount of SBO radiation going into the ULTRA-

SAT observing band (λmin = 220 nm; λmax = 280 nm)

can be estimated from the expected blackbody emission

spectrum. Formally, the SBO peak luminosity in the ob-

served UV band, Lpeak
UV , can be expressed as a fraction

fUV of Lpeak
sbo where fUV

fUV =

∫ λmax/(1+z)

λmin/(1+z)

Bλ(Tbb) dλ

σT 4
bb

, (21)

Bλ is the spectral radiance per unit wavelength, σ the

Stefan–Boltzmann constant and Tbb the blackbody tem-

perature, which is determined by the bolometric peak lu-

minosity and the photospheric radius. The latter quan-

tities depend, according to eqs. 2 and 18, on the magne-

tar parameters (B,P ) as well as on the SN parameters

(ESN ,MSN ). Note that, in eq. 21, the observed spec-

tral range must be calculated at the source, i.e. taking

into account the cosmological redshift. Thus, fUV is a

function of z as well as of the source physics parameters.

Correspondingly, we can derive a maximum redshift,

zmax, for detection as a function of the blackbody tem-

perature, given the ULTRASAT mean limiting magni-

tude of 22.4 ABmag in the 220-280 nm band (Shvartz-

vald et al. 2023a). This maximum redshift can then be

expressed as a function of (B,P,ESN,MSN) where, as

illustrated in the right panel of Fig. 1, the dependence

of Lpeak
sbo - hence of zmax - on the ejecta mass is mild at

most.

Up to this point, our estimate does not account for the

effects of extinction in the host galaxy3. While these

are expected to present wide variations among different

events, we adopt an average value of ANUV ∼ 1.75 mag

based on past UV observations of similar sources with

Swift/UVOT or GALEX (Ganot et al. 2016).

Fig. 2 shows our model results as contour plots of

Lpeak
sbo , rp and Tbb vs. (B,P ), for fixed parameters of

the SN ejecta, ESN = 1051 erg and MSN = 5M�. Fig. 3

depicts the value of zmax as a function of the magnetar

parameters, for the same SN ejecta properties, with (left

panel) or without (right panel) extinction.

4. EXPECTED EVENT RATE AND

MULTI-MESSENGER IMPLICATIONS

Our results indicate that magnetar-driven SBOs can

be detected by ULTRASAT out to a distance DL,max ≈

3 The minor extinction within our Galaxy is discussed, e.g., in
(Ganot et al. 2016).
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Figure 1. Left Panel: Shock heating rate, ε̇sh vs. time (Eq. 12) for fiducial parameter values of the SN ejecta (ESN = 1051 erg,
MSN = 5M�) and three sets of (P,B)-values for the magnetar central engine, as indicated in the legend. Right Panel: Bolometric
SBO light curve (Eq. 19) for the same set of parameters as in the left panel. The dashed and dot-dashed red curves are for the
same magnetar as the solid red curve, but for different ejecta masses: 2 M� (dashed) or 10 M� (dot-dashed). The impact of
changing the ejecta mass is substantially smaller than that of different magnetar parameters, to which our model is much more
sensitive. In particular, while the (bolometric) peak luminosity has a moderate dependence on the magnetar spin and B-field,
the light curve evolution and peak time are strongly dependent on these parameters. For reference the peak time of the blue,
green and red solid curves are, respectively, ≈ 0.2, 0.7 and 5.5 days.

Figure 2. Left Panel: the bolometric SBO peak luminosity, Lpeak
SBO in units of 1043 erg s−1, as a function of the magnetar

parameters (B,P ; eq. 2), for fixed ejecta parameters, ESN = 1051 erg and MSN = 5M�; Middle Panel: Photospheric radius,
rp in units of 1014 cm, as a function of the magnetar parameters (B,P ), and the same ejecta properties as in the left panel;
Right Panel: Effective blackbody temperature, Tbb in units of 104 K, vs. magnetar parameters as derived from the relation
Lpeak

SBO = 4πσr2pT
4
bb, for the same ejecta properties as in the previous panels.

300 Mpc for an extinction ANUV = 1.75 mag, with a

significant dependence on the B-field and spin energy of

the NS. In order to estimate an expected rate of detec-

tions we must therefore average the zmax distribution

(Fig. 3) over the probability distribution of magnetar

parameters within the population. To this goal, we will

use both the un-extinguished and the extinguished val-

ues of zmax vs. (B,P ), in order to provide a measure of

the impact of extinction.

The B- and P - probability distributions of magnetars

at birth are currently unknown. Thus, we will adopt ag-

nostic distributions for both parameters, i.e. a constant

in logarithmic intervals, IP(B) = kB/B and IP(P ) =

kP /P . Later we will check the dependence of our results

on this assumption, by changing this prior. With these

provisions, the expected number of events per year that

can be detected with ULTRASAT is expressed as

Ṅev =

Pmax∫
Pmin

dP

Bmax∫
Bmin

dB

zmax(B,P )∫
0

R(z)
dV

dz
IP(B)IP(P )dz

(22)

where R(z) is the comoving volumetric rate of SNe that

lead to the formation of a magnetar, which we take to

be ∼ 0.1 of the rate of CCSNe (Gaensler et al. 2005;
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Beniamini et al. 2019). The latter is given by (Madau

& Dickinson 2014)

RCCSN (z) = kCC × ψ(z) (23)

ψ(z) = 0.015
(1 + z)2.7

1 +
(

(1+z)
2.9

)5.6 M� year−1Mpc−3 ,

where kCC = 0.0068M−1
� is the number of stars that

explode as SNe per unit mass, for a Salpeter IMF with

Mmin = 8M� and Mmax = 40M� enclosing the stellar

mass range that will lead to the formation of a NS.

The co-moving volume element dV (z) is

dV (z) = D3
H

d2
C(z)

F (z)
dz dΩ , (24)

where DH = c/H0 is Hubble distance, dC(z) the proper

distance at redshift z,

dC(z) =

z∫
0

1

F (z′)
dz′, (25)

and

F (z) =
√

ΩM (1 + z)3 + Ωk(1 + z)2 + ΩΛ ,

with the cosmological parameters ΩM = 0.685,ΩΛ =

0.315, Ωk = 0 (Aghanim et al. 2020).

Plugging everything into eq. 22 we finally obtain

Ṅev = 4πkCCkBkP

(
c

H0

)3
Pmax∫
Pmin

dP

P

Bmax∫
Bmin

dB

B
×

zmax(B,P )∫
0

ψ(z)d2
C(z)

F (z)
dz ,

(26)

where kB = [log (Bmax/Bmin)]
−1 ≈ 0.217 and kP =

[log (Pmax/Pmin)]
−1 ≈ 0.294.

Choosing the range of relevant spin periods 0.8-24 ms

and of dipole B-fields (0.5−50)×1014 G, and factoring in

the ULTRASAT field-of-view ∼ 204 deg2 (Shvartzvald

et al. 2023b), eq. 26 gives Ṅev ≈ (3− 30) yr−1, depend-

ing on the amount of extinction (ANUV = 0−1.75 mag)

and on the ejecta mass (MSN = 5 − 10M�). While

we have assumed that ∼ 10% of CCSNe can form a

magnetar, their detectability is increased over ‘typical’

SBO sources if the average ANUV . 0.8 mag, leading

to a larger expected fraction (∼ 10− 20%) of magnetar-

powered SBOs among ULTRASAT detections. If, on the

other hand, ANUV = 0.8−1.75 mag, we expect ∼ 2−10

% of such detections to include a magnetar central en-

gine.

To evaluate the robustness of our prediction, we re-

peated the estimate by adopting a gaussian prior for the

B-distribution, peaking at B0,14 = 5 and with a σB,14 =

2.5 in order to reproduce the B-range for known magne-

tars within a 3σ interval. Because we expect a spin pe-

riod distribution which is peaked around a few millisec-

onds, we maintain the log-uniform distribution as the

best prior representation for P . The expected detection

rate for magnetar-powered SBOs becomes in this case

∼ (2 − 20) yr−1, showing that our prediction is robust

with respect to the prior.

The NS spin and B-field play a key role in shaping

the light curves of magnetar-driven SBOs, as shown in

sec. 2. ULTRASAT detections can therefore provide cru-

cial evidence for the presence of a magnetar central en-

gine, and constrain its spin energy and magnetic field.

Moreover, magnetar-driven SBOs can provide crucial

EM triggers for GW searches of long-transients emitted

by newly formed magnetars. They will help enhance the

sensitivity of GW searches in two complementary ways:

on the one hand by providing the start time for the

transient signal, and on the other hand by constraining

the NS spin period and B-field, which in turn determine

the GW signal shape.

A previous search for this type of GW signals was

carried out during the O2 science run of LIGO/Virgo,

looking for the merger remnant in GW 170817 (Abbott

et al. 2019). While this led to a non-detection, it showed

that the existing pipelines were capable of reaching an

horizon . 1 Mpc.

At the improved sensitivity expected in O5, this projects

to at least 4 Mpc, likely be extended farther by con-

straints on the magnetar parameters provided by the

SBO light curve (and by foreseen upgrades to pipeline

performances). The exact impact of these factors on the

detection horizon will be quantified in a dedicated study.

The possibility to extend the search horizon for GW

long-transients to beyond 4 Mpc leads to the expectation

of at least 0.1 events per yr (e.g. (Kistler et al. 2013))

during the O5 science run. In the future, the greatly

improved sensitivity of third generation detectors like

the Einstein Telescope will extend the search horizon by

at least a factor 8 and the corresponding event rate by >

10 (Dall’Osso et al. 2018; Dall’Osso & Stella 2021).

5. CONCLUSIONS AND OUTLOOK

In this work we have adopted a model for magnetar-

driven SBOs that has been long discussed in the litera-

ture (Kasen et al. 2016; Liu et al. 2021). We have illus-

trated the main physical properties of the model, calcu-

lating the SBO lightcurve, the peak luminosity, photo-

spheric radius and effective blackbody temperature of
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Figure 3. The maximum redshift, zmax, for detection with ULTRASAT as a function of the magnetar parameters (B,P ), for
fiducial ejecta properties ESN = 1051 erg, MSN = 5M�. Left Panel: theoretical predictions without UV extinction; Right Panel:
as in the left panel, but including an average extinction ANUV = 1.75 mag.

the expected emission as a function of the magnetar

magnetic field and spin period. This enables two goals,

namely (a) predicting the ULTRASAT detection rate of

such events, which we find to be ∼ 2− 30 yr−1, mostly

determined by the amount of extinction and regardless

of the (unknown) B− and P -distributions within the

population and (b) fitting observations with model light

curves that will constrain the magnetar spin and mag-

netic field, as well as the explosion energy and ejecta

mass. Note that, even in the case of non-detections, the

model will allow to put stringent constraints on scenar-

ios of magnetar formation.

The calculations presented in this work are amenable

to further developments, particularly when considering

the possiblity of different stellar progenitors (e.g. RSGs,

BSGs, WR stars) leading to different explosion energies

and/or ejecta masses (Ganot et al. 2016). Additionally,

the thermalization efficiency of the magnetar wind inside

the shock will be taken into account as it can affect

the SBO detectability in the NUV band (Kasen et al.

2016). An examination of these effects in the context

of a detailed observing strategy will be explored in a

forthcoming paper.

Moreover, we have discussed the great relevance that

magnetar-driven SBOs detected by ULTRASAT will

have for the joint search of GW long transients emit-

ted by newly born magnetars. Not only will magnetar-

driven SBOs represent a necessary EM trigger for GW

searches, but they will also provide direct constraints on

the GW signal parameters. Both factors will contribute

to improving the sensitivity of GW searches, hence ex-

tending their horizon and the expected event rate.

Within the estimated GW horizon (& 4 Mpc) for the

O5 science run, we expect ULTRASAT to easily detect

all magnetar-driven SBOs, implying a multi-messenger

detection rate & 0.1 yr−1. An 8 times larger horizon

could be reached by the Einstein Telescope, which would

include the whole Virgo Cluster and possibly beyond

it. Again, ULTRASAT would be able to easily detect

any SBOs within this distance. Therefore, with a mini-

mum estimated magnetar birth rate of ∼ 1 yr−1 within

30 Mpc (e.g. (Stella et al. 2005; Dall’Osso et al. 2009)),

we expect a minimum rate of multi-messenger detections

of 1 magnetar per yr.
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ABSTRACT

We present the dayside thermal emission spectrum of WASP-77Ab from 2.8 – 5.2µm
as observed with the NIRSpec instrument on the James Webb Space Telescope (JWST).
WASP-77Ab was previously found to have a sub-solar metallicity and a solar carbon-to-
oxygen (C/O) ratio from H2O and CO absorption lines detected using high-resolution
spectroscopy. By performing atmospheric retrievals on the JWST spectrum assuming
chemical equilibrium, we find a sub-solar metallicity [M/H]=−0.91+0.24

−0.16 and C/O ratio
0.36+0.10

−0.09. We identify H2O and CO and constrain their abundances, and we find no
CO2 in the spectrum. The JWST and high-resolution spectroscopy results agree within
∼ 1σ for the metallicity and within 1.8σ for the C/O ratio. However, our results
fit less well in the picture painted by the shorter wavelength spectrum measured by
HST WFC3. Comparing the JWST thermal emission spectra of WASP-77Ab and
HD 149026b shows that both hot Jupiters have nearly identical brightness temperatures
in the near-infrared, but distinctly different atmospheric compositions. Our results
reaffirm high-resolution spectroscopy as a powerful and reliable method to measure
molecular abundances. Our results also highlight the incredible diversity of hot Jupiter
atmospheric compositions.

Keywords: Exoplanets(498) — Exoplanet atmospheres(487) — James Webb Space Tele-
scope(2291)

1. INTRODUCTION

Atmospheric metallicity and carbon-to-
oxygen (C/O) ratio are now well-established
tracers for exoplanet characterisation (Mad-
husudhan 2012; Fortney et al. 2013; Venturini
et al. 2016). In particular, their relevance
regarding planetary formation processes has
been widely discussed in the literature (Pollack
et al. 1996; Mordasini et al. 2016; Madhusud-

han 2019). The James Webb Space Telescope
(JWST) marks an important step in the field
because it has the sensitivity to obtain high pre-
cision data over a broad range of wavelengths
for a wide range of exoplanets, and therefore
allowing to place strong and reliable constraints
on these key markers (Greene et al. 2016).

Hot Jupiters are giant gaseous bodies transit-
ing very close to their host stars. These highly
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irradiated planets are unlike any of our Solar
System planets, and questions like their origins,
as well as how they tie into a bigger picture
of planet formation, still remain largely unan-
swered (Fortney et al. 2021). Together with
their obvious observational advantages, they
thus make excellent candidates for transit spec-
troscopy and specifically atmospheric character-
isation.

WASP-77Ab (Maxted et al. 2013) is a great
target for such endeavours: this hot Jupiter is
one of the highest signal-to-noise (S/N) plan-
ets for thermal emission measurements in the
near-infrared (Kempton et al. 2018)1. In a
breakthrough result, observations using ground-
based high-resolution spectroscopy (HRS) with
the Immersion GRating INfrared Spectrometer
(IGRINS) constrained the metallicity to be so-
lar and C/O ratio to be solar based on the de-
tection of H2O and CO lines (Line et al. 2021).

Subsequent Hubble and Spitzer Space Tele-
scope data confirmed the presence of water
vapour on WASP-77Ab’s dayside (Mansfield
et al. 2022), which indicates C/O values < 1
(Kreidberg et al. 2015; Benneke 2015). How-
ever, there was tension in the exact abun-
dance as the Hubble data could not be fit very
well and they disagreed with the HRS result.
Specifically, Mansfield et al. (2022) estimate
a solar to potentially 3x super-solar metallic-
ity, inconsistent with Line et al. (2021) by al-
most 2σ. The low metallicity inferred by Line
et al. (2021) is surprising from planet forma-
tion, and even more so today with the recent
series of strong CO2 detections in hot Jupiter
atmospheres resulting in enriched to highly en-
riched atmospheric metallicities (JWST Tran-
siting Exoplanet Community Early Release Sci-
ence Team et al. 2023; Rustamkulov et al. 2023;

1 See tabulated values for known planets at the TESS
Atmospheric Characterization Working Group webpage:
https://tess.mit.edu/science/tess-acwg/.

Alderson et al. 2023; Bean et al. 2023). Because
of this and the very different data processing
and analysis needed for ground- vs. space-based
data it is important to provide an independent
and precise measurement of these quantities for
WASP-77Ab.

In this article, we analyze the dayside emis-
sion spectrum of WASP-77Ab obtained using
the NIRSpec instrument on JWST. NIRSpec
is an ideal instrument for this project because
its bandpass covers key carbon- and oxygen-
bearing molecules like H2O, CO, CO2 and CH4.
NIRSpec is also well suited for studying WASP-
77Ab because it has a slit (1.6′′x 1.6′′) that al-
lows the rejection of contaminating light from
the stellar binary companion (separation ∼ 3′′,
∆mag ∼ 2; Maxted et al. 2013). We infer funda-
mental diagnostics like the atmospheric metal-
licity and C/O ratio, as well as estimates of
the thermal structure of the atmosphere and its
chemistry. We place our results in the context
of the previous estimates provided by Line et al.
(2021) and Mansfield et al. (2022), and we pro-
vide support for HRS as a method to retrieve
chemical abundance constraints.

We describe how we obtained WASP-77Ab’s
dayside emission spectrum in Section 2, with a
focus on the partial phase curve detection. Sec-
tion 3 is dedicated to the atmospheric retrievals
and their results. We also provide a compari-
son with other data sets for WASP-77Ab. To
further illustrate the diversity of hot Jupiters,
we contrast WASP-77Ab with HD 149026b, ob-
served in eclipse by JWST NIRCam (Bean et al.
2023), in Section 4. Finally, we summarize our
results in Section 5.

2. OBSERVATIONS AND DATA
REDUCTION

We observed a secondary eclipse of WASP-
77Ab on August 24-25, 2022 between 22:12
- 04:36 UTC with JWST NIRSpec (program
GTO 1274, J. Lunine PI). The observations
used the Bright Object Time-Series (BOTS)

https://tess.mit.edu/science/tess-acwg/
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Figure 1. Thermal emission spectrum of WASP-77Ab as observed by JWST NIRSpec/G395H, along with
the best fit model (black line). The different coloured lines correspond to best fit spectrum computations
with different molecular opacities zeroed out. The bottom panel shows the residuals.

mode, with the G395H grating and F290LP fil-
ter combination (Birkmann et al. 2022). The
duration of this observation was 6.4 hours for a
total of 1419 integrations, and 17 groups per in-
tegration. The observation began 2.44 hours be-
fore the secondary eclipse and continued for 1.80
hour after eclipse egress. The wavelength cover-
age for the two sensor chip assemblies (or detec-
tors) used in this observation, NRS 1 and NRS
2, are 2.674 − 3.716µm and 3.827 − 5.173µm
respectively. We used the SUB32 subarray and
the NRSRAPID readout pattern.

We reduced the raw data using the Eureka!

pipeline (Bell et al. 2022). This pipeline offers
a reduction in 6 stages. The first two are es-
sentially the same as the JWST Science Cali-
bration Pipeline (jwst, Bushouse et al. 2023).
The following three perform background sub-
traction and spectral extraction, spectroscopic

light curve generation, and spectroscopic light
curve fitting.

The system parameters used for the secondary
eclipse are a planet orbital period P = 1.3600309
days, ratio of the planet’s semi-major axis to the
host star radius a/Rs = 5.43, planetary orbital
inclination = 89.4°, and planetary orbital ec-
centricity e = 0.0 (Mansfield et al. 2022). The
secondary eclipse times were estimated by fit-
ting the white lightcurves created for each of
the NIRSpec detectors and then used for all
spectroscopic lightcurves. The bin size of these
channels is set to 13/17nm for NRS1/2 in an
effort to balance out precision and retrieval per-
formances.

The data are processed into a final spectrum
in Stage 6. We fine-tuned parameters such
as the spectral and background aperture, out-
lier rejection, and binning in order to mini-
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mize the median absolute deviation of the final
lightcurves and following the steps and recom-
mendations of Alderson et al. (2023). We per-
formed tests of varying the different reduction
parameters (apertures, sigma clipping and out-
lier rejection thresholds, binning, etc) in order
to assess their impact on the resulting spectrum.
All of these showed minimal to no impact on the
final spectrum, indicative of its robustness vis-
à-vis the data reduction process.

Except for a constant rate linear trend in time,
the lightcurves are largely unaffected by sys-
tematics. In particular, there is no exponential
ramp in the first few hours of the observation
as has been seen for other early JWST observa-
tions (Bean et al. 2023). We therefore analyzed
the full time series without trimming any data
from the start. The exceptional quality of the
spectroscopic data combined with the short pe-
riod of the target’s orbit raised the question of
whether the phase curve of the planet could be
detected (e.g., Coulombe et al. 2023). In or-
der to investigate this, a first order phase curve
model was added to the spectroscopic lightcurve
fitting.

The Eureka! partial phase curve fitting for
the white lightcurves of each detector allowed
us to retrieve relative amplitudes of ã1 = 0.39±
0.08 and ã2 = 0.42 ± 0.11. The estimated
phase shifts in degrees read φ1 = 17 ± 10 and
φ2 = 9 ± 12 respectively. When performing
a statistical analysis involving all samples from
the wavelength channels and applying a gaus-
sian fit to the resulting histogram, we found a
relative amplitude of µa = 0.54 (σa = 0.17) and
a phase shift of µφ = 11° (σφ = 35°). These
results will be investigated further in a future
paper looking at both the phase curve and the
eclipse mapping signals in the data.

While on such a short window the phase curve
detection is not statistically significant, it is
physically motivated. Overall, the phase curve
fitting doesn’t have a determining impact on the

final shape of the spectrum beyond a small shift
upwards of about ' 100 ppm. Higher order sys-
tematic models such as a quadratic polynomial
in time have a similar effect.

The final resulting spectrum is shown in Fig-
ure 1, along with the Spitzer datapoints col-
lected from Mansfield et al. (2022). Our spec-
trum agrees with these within 2σ for both
the 3.6µm and the 4.5µm channels. The de-
rived error inflation factor for the spectroscopic
lightcurves is typically 1.5, and the typical RMS
of the residuals is 230 ppm. From the modeling
we find that we see broad absorption features of
H2O and CO. The spectrum doesn’t show any
features corresponding to a CO2 signature, nor
do we see any emission features indicative of a
thermal inversion.

3. RETRIEVALS

We performed retrievals using PLATON (Zhang
et al. 2019; Zhang et al. 2020) with different
temperature-pressure (TP) profile parametriza-
tions and assumptions for the chemistry.
We used the HELIOS-K (Malik et al. 2017a,
2019a) generated opacity files for the follow-
ing molecules: CH4, CO2, CO, H2O, H2S, NH3

and SO2. Following the gradual approach rec-
ommended by Zhang et al. (2020), we used
the nested sampling algorithm, with 1, 000 live
points and R=20,000 opacity files. In addition
to the retrieval setup and parameters already
offered by PLATON for the thermal and chemical
structure of the atmosphere, we implemented
a dilution factor as described in Taylor et al.
(2020) to account for inhomogeneities across the
dayside while performing a 1-D retrieval. This
parameter ranges from 0 to 1, with unity corre-
sponding to a perfectly homogeneous dayside.

We used three models to describe the TP
profile WASP-77Ab’s atmosphere. The first
is a version of the the analytic, level-by-level
parametrization suggested by Guillot (2010),
redefined by Line et al. (2013a) to include a
second irradiation stream, and implemented in
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Figure 2. Description of the vertical atmospheric structure of WASP-77Ab’s dayside. On the left, the first
and second panel show the thermal structure along with the temperature Jacobians, which characterize the
spectrum’s sensitivity to small changes in the temperature. On the right, the third panel shows the chemical
profiles and the three subplots investigate the abundance Jacobians of the main molecules we are sensitive
to: H2O, CO, and H2S.

PLATON under the name “radiative solution”.
This model has five free parameters: thermal
opacity κ, visible to thermal opacity ratio of the
two streams included in the model, γ and γ2, the
percentage α apportioned to the second stream,
and the effective albedo β. The second type of
TP profile we used is a parametric model estab-
lished by Madhusudhan & Seager (2009). This
model consists of placing three anchor points
(Pi, Ti) and linking them to each other with
exponential curves parameterized by αi. Be-
yond and below the first and last anchor point,
the profile is assumed to be isothermal. The
prior ranges for this profile are approximately
the same as the ones used in Line et al. (2021)
to allow for adequate comparison. Finally, the
last TP profile is a similar “three layers” struc-
ture with lapse rates between them, which we
refer to as the piece-wise solution. There are
also 6 free parameters: three pressures Pi and
three lapse rates ki.

The chemical properties and composition of
the atmosphere were probed using both equilib-
rium and free chemistry. For the free retrieval
we modified PLATON to retrieve the abundances
of five molecules (H2O, CO, CO2, CH4, and
H2S). Their abundance profile was fixed to be
constant with altitude and evaluated through
a logarithmic prior ranging from [−16, 0] in the
free retrieval. The equilibrium chemistry is built
into PLATON via GGChem (Woitke et al. 2018).

Out of all the model combinations tested for
the retrieval, the best fit to the spectral data,
obtained with a Line et al. (2013a) style TP pro-
file and using equilibrium chemistry, is shown
in Figure 1. It fits to the data with a reduced
χ2 = 0.78 (150 data points and 8 free param-
eters), and has in particular [M/H] = −0.91,
C/O = 0.33, a dilution factor 0.99, and the
TP profile shown on the far left panel in Fig-
ure 2 (confidence intervals on the abundances
are given below). The coloured lines in Figure 1
are the spectra computed when fixing the best
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Data TP model [M/H] [M/H]best C/O C/Obest χ2
ν

JWST NIRSpec L+13 −0.91+0.24
−0.16 -0.97 0.36+0.10

−0.09 0.33 0.778

MS09 −1.03+0.34
−0.18 -1.16 0.29+0.11

−0.06 0.28 0.778

Piece-wise −0.96+0.16
−0.12 -1.04 0.31+0.07

−0.05 0.30 0.796

JWST NIRSpec L+13 −0.06+0.13
−0.16 -0.00 0.60+0.04

−0.05 0.61 1.163

+ HST WFC3 MS09 −0.18+0.16
−0.15 -0.11 0.47+0.07

−0.06 0.51 1.127

Piece-wise −0.07+0.13
−0.17 -0.06 0.52+0.05

−0.06 0.55 1.163

Table 1. Summary of the metallicity and carbon-to-oxygen ratio estimates using different parameterizations
for the TP profile, both with and without including the HST WFC3 data. “L+13” refers to Line et al.
(2013a), “MS09” to Madhusudhan & Seager (2009) and the piece-wise model has been presented in Section 3.

fit values and zeroing the opacities of different
molecules, effectively removing them from the
radiative transfer but not changing the mean
molecular weight of the atmosphere. The full
data for this plot can be found in Table 2.

The TP profile is shown in the far left panel
of Figure 2. In particular, the best fits es-
timated through three different models (Line
et al. 2013a; Madhusudhan & Seager 2009, and
the piece-wise solution) are plotted in black
lines along with the 2σ confidence interval from
the samples. These retrievals gave results for
the composition of the atmosphere that were
consistent within 1σ with the main results (us-
ing the profile from Line et al. 2013a) quoted
here. The retrieval outcomes of these different
models is found in Table 1. We also compare
to the TP profile calculated by HELIOS (Malik
et al. 2017b, 2019b), a self-consistent forward
modelling code, with a f factor of 0.6 (imply-
ing close to zero albedo and zero day-to-night
recirculation), a metallicity of 0.1x solar, and a
C/O ratio of 0.3. The HELIOS model predicts
temperatures colder than our retrieval results at
low pressures, where our retrievals are insensi-
tive, but the temperatures are in agreement at
the photospheric pressures of ∼30–1000 mbar.

The temperature jacobians JT in the second
panel of Figure 2 are computed by numerically
derivating the spectrum Fp with respect to the
temperature T , similarly to the approach out-
lined by Eyre et al. (1993) and Garand et al.

(2001). This method, described in Equation 1,
allows to assess how sensitive the spectral data
is to small variations of temperature along the
vertical pressure structure, i.e. what layers are
being probed.

JT =
fp(T + δT )− fp(T − δT )

2 · δT
(1)

The abundance profiles are shown in the third
panel of Figure 2. Similarly, one can induce
small variation of the abundance of specific
molecule X and compute the resulting spec-
tral fluctuations to characterise sensitivity. In
this case, it is more intuitive to perform a log-
derivative of the eclipse depth like in Equa-
tion 2.

JX =
fp(nX + δnX)− fp(nX − δnX)

2 · δnX
· nX (2)

For the three subplots on the far right panel of
Figure 2, we preferred a base-10 logarithm to
match the x-axis graduation on the left panel.

The equilibrium chemistry model yields a
metallicity of [M/H] = −0.91+0.24

−0.16 (ie. about
0.1 − 0.2 times solar) and a carbon-to-
oxygen ratio of C/O = 0.36+0.10

−0.09. The
free retrieval yields molecular abundances of
log10(nH2O) = −4.26+0.14

−0.10 for water and
log10(nCO) = −4.58+0.27

−0.24 for carbon monoxide.
It also puts an upper limit on the carbon dioxide
abundance log10(nCO2) < −7.50 at 3σ. These
results compare well to the abundances esti-
mated through equilibrium chemistry.
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Figure 3. Concordance of our JWST NIRSpec data and retrieval results with other data sets (Spitzer, HST
WFC3) and the reconstructed spectrum from high-resolution spectroscopy results with IGRINS.

The Mansfield et al. (2022) HST WFC3 data
seemed to fall within the continuity of the spec-
trum, so we attempted a joint analysis as shown
on Figure 3. These retrievals reevaluate metal-
licity and C/O ratio to higher values, [M/H] =
−0.06+0.13

−0.16 and C/O = 0.60+0.04
−0.05. However, the

models do not fit the data very well (reduced
χ2 = 1.17, compared to the JWST-only reduced
χ2 = 0.78), and the fit to the WFC3 data is
systematically wrong by eye. Whether this is
due to poor data quality, clouds and hazes, or
a combination is unclear, and our attempts at
accounting for these in the retrievals were un-
successful. Given the agreement between the
JWST and high-resolution results, we suspect
that the HST data are not fully reliable.

The JWST-only results confirm the sub-solar
metallicity inferred by Line et al. (2021) us-
ing high-resolution spectroscopy with IGRINS,
agreeing at ∼ 1σ. The C/O ratios agree at
about 1.8σ, as our retrievals favour a sub-
solar value. Figure 3 shows the concordance of
our spectrum and models with other datasets,
namely the Spitzer and HST WFC3 data-

points as well as the Line et al. (2021) gen-
erated spectrum from the HRS results. The
PLATON retrieval results were confirmed us-
ing a retrieval with a GPU-accelerated version
of CHIMERA (Line et al. 2013b; Brogi & Line
2019), adapted for equilibrium chemistry by us-
ing GGChem (Woitke et al. 2018), which yielded a
metallicity of [M/H] = -0.85+0.20

−0.12 and a carbon-
to-oxygen ratio of C/O = 0.32+0.14

−0.09.

4. COMPARATIVE PLANETOLOGY

Here we compare our spectrum of WASP-
77Ab to the JWST spectrum of HD 149026b
that was recently presented by Bean et al.
(2023). These planets have similar equilib-
rium temperatures (1705 vs. 1634 K, respec-
tively) and now both have high-quality ther-
mal emission spectra from 2.8 – 5.0µm. To put
the spectra on the same scale, we converted the
measured secondary eclipse depths (Fp/Fs) to
brightness temperatures. We used stellar spec-
tra computed with HELIOS (Malik et al. 2017a,
2019a) for the conversion. The stellar parame-
ters used are Teff = 5525K, log g = 4.44, and
[M/H] = 0.0 for WASP-77A (Reggiani et al.
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Figure 4. Planetary brightness temperatures of HD 149026b (purple points, Bean et al. 2023) and WASP-
77Ab (green points) from JWST thermal emission spectra. The spectrum of HD 149026b exhibits strong
absorption due to CO2 that is absent from the spectrum of WASP-77Ab.

2022), and Teff = 6085K, log g = 4.19, and
[M/H] = 0.25 for HD 149026 (Bean et al. 2023).
Then a blackbody function was fitted to the
planet flux measurement in order to determine
the brightness temperature at each wavelength.
These temperatures are then binned by an ar-
bitrary factor of three for clarity and shown in
Figure 4 for both planets.

Aside from the astounding S/N ratio for
WASP-77Ab, it is remarkable how similar both
planets’ brightness temperature spectra are
across the wavelength range that is dominated
by H2O and CO opacity. In contrast, their
atmospheric chemistry is visibly different as
shown by the strong CO2 feature at 4.4µm in
HD 149026b. CO2 is an excellent metallicity in-
dicator for hot, giant planets (Lodders & Feg-
ley 2002; Zahnle et al. 2009; Moses et al. 2013).
Therefore, it is easily apparent that the metal-
licities of these two objects are very different.
This illustrates the rich diversity of exoplane-
tary atmospheres, which was forecasted from
HST WFC3 results leading up to JWST by
Mansfield et al. (2021).

Is the diversity of exoplanet metallicity de-
termined by a small number of processes that
relate directly to some specific aspect of for-
mation, or is it more stochastic? Line et al.
(2021) constructed a solar system trend line of
metallicity enrichment versus mass, and plotted
WASP77Ab well below that line. Our metallic-
ity result is lower but consistent at the ∼ 1σ
level. They interpret the low metallicity of the
atmosphere and solar C/O value in terms of a
planet with most of the metals in a discrete core,
and a lack of both planetesimal bombardment
and significant radial migration in the disk. Our
C/O value falls below the solar value, and would
imply instead a radial migration that accumu-
lates O-rich and C-poor material based on the
Line et al. (2021) systematics. HD 149026b, on
the other hand, plots well above the solar sys-
tem trend line in metallicity, has an enriched
C/O value, and a massively extended (diffuse)
core (Bean et al. 2023). If the latter is the re-
sult of a giant collision (Ikoma et al. 2006), then
these two objects represent outcomes of very
different planetary accretion processes. This
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might argue that the diversity of giant planet
atmospheres is reflective of a diversity in plan-
etary formation, and stochastic events such as
giant collisions are important.

Complicating this picture is the question of
whether the atmospheric compositions of plan-
ets should be interpreted in the context of an
absolute scale (in this paper we use the solar
abundance pattern from Asplund et al. 2009) or
relative to the abundances of each of their host
stars. For example, Kolecki & Wang (2022),
Polanski et al. (2022), and Reggiani et al. (2022)
have argued for the latter approach and have
presented stellar abundances for WASP-77Ab
(all three papers) and HD 149026b (just the first
two papers). WASP-77A is consistently found
by all three studies to have solar to potentially
slightly sub-solar iron abundance. However,
Reggiani et al. (2022) suggested that carbon and
oxygen, which are what we are measuring in the
planets and calling metallicity, were together
about 2x solar. One the other hand, Kolecki &
Wang (2022) and Polanski et al. (2022) found
the carbon and oxygen abundances more in line
with the iron abundance.

For HD 149026, all authors plus Brewer et al.
(2016) and Brewer & Fischer (2016) consis-
tently find that the iron, carbon, and oxy-
gen are roughly 2x solar, with a slight prefer-
ence for super-solar C/O from Kolecki & Wang
(2022). If the atmospheric metallicity inferred
for HD 149026b is “corrected” for the host star
metallicity then its atmospheric metal enhance-
ment is reduced to ∼100x, which is still well
above the solar system trend line (Kreidberg
et al. 2014; Line et al. 2021; Bean et al. 2023)
and significantly different than that of WASP-
77Ab.

5. CONCLUSION

Hot Jupiters present an opportunity to mea-
sure the atmospheric abundances of both
carbon- and oxygen-bearing species, which is
extremely challenging for the solar system gi-

ants due to their cold temperatures (Guillot
et al. 2022). We have presented the third
thermal emission spectrum of a hot Jupiter
from JWST, following WASP-18b (Coulombe
et al. 2023) and HD 149026b (Bean et al. 2023).
Our spectrum of WASP-77Ab shows absorp-
tion from H2O and CO, but strikingly no CO2.
Modeling the data indicates a strongly sub-solar
metallicity for the planet’s atmosphere, which is
in excellent agreement with the result from the
IGRINS ground-based HRS presented by (Line
et al. 2021). The agreement sets the stage for a
combined analysis of these state-of-the-art data
sets that may yield further insight into the prop-
erties of WASP-77Ab’s atmosphere (P. Smith in
preparation).

Early results from JWST show conclusively
that hot Jupiter atmospheres have diverse com-
positions. We have already seen that metallic-
ities can range from sub-solar (WASP-77Ab),
to solar (WASP-18b: Coulombe et al. 2023),
to modestly (∼10x) super-solar (WASP-39b:
JWST Transiting Exoplanet Community Early
Release Science Team et al. 2023; Rustamkulov
et al. 2023; Feinstein et al. 2023; Alderson et al.
2023; Ahrer et al. 2023; Tsai et al. 2022), to even
very (∼200x) super-solar (HD149026b: Bean
et al. 2023). The diversity of giant planet at-
mosphere compositions that has emerged from
early JWST results implies that our search for
statistical trends like the mass-metallicity re-
lationship (e.g., Fortney et al. 2013; Kreidberg
et al. 2014) and the bulk-atmosphere metallic-
ity correlation (Bean et al. 2023) will require
dozens of objects, or more.



10

We thank Eugenio Schisano and Ji Wang for
discussions about planet host star abundances.
This work is based on observations made with
the NASA/ESA/CSA James Webb Space Tele-
scope. The data were obtained from the Mikul-
ski Archive for Space Telescopes at the Space
Telescope Science Institute, which is operated
by the Association of Universities for Research
in Astronomy, Inc., under NASA contract NAS
5-03127 for JWST. JL was supported by NASA
grant NNX17AL71A, and was in residence at
the Dominican House of Studies, Washington
DC, as the McDonald Agape Visiting Scholar,
during the data analysis and preparation of the
manuscript.

Facilities: JWST (STScI)

Software: Eureka! (Bell et al. 2022), PLATON
(Zhang et al. 2020), HELIOS (Malik et al. 2017a,
2019a), CHIMERA (Line et al. 2013b; Brogi & Line
2019)

APPENDIX

A. SPECTRAL DATA

Wavelength Ecl. depth Err., low Err., high Best fit No H2O No CO No H2S No CO2

(µm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm)

2.808 - 2.814 1267 89 88 1394 2059 1394 1398 1394

2.821 - 2.827 1450 85 91 1372 2090 1372 1376 1372

2.834 - 2.840 1433 77 75 1358 2126 1358 1359 1358

2.847 - 2.853 1237 79 80 1396 2154 1396 1398 1396

2.860 - 2.866 1481 80 85 1404 2170 1404 1406 1404

2.873 - 2.879 1306 70 73 1462 2213 1462 1465 1462

2.886 - 2.892 1529 78 74 1393 2232 1393 1394 1393

2.899 - 2.905 1420 88 94 1447 2269 1447 1448 1447

2.912 - 2.918 1477 75 74 1449 2282 1449 1450 1449

2.925 - 2.931 1457 70 70 1471 2326 1471 1472 1471

2.938 - 2.944 1407 67 66 1468 2351 1468 1469 1468

2.951 - 2.957 1542 72 72 1483 2363 1483 1484 1483

2.964 - 2.970 1513 83 85 1488 2392 1488 1489 1488
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Wavelength Ecl. depth Err., low Err., high Best fit No H2O No CO No H2S No CO2

(µm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm)

2.977 - 2.983 1537 82 85 1538 2417 1538 1539 1538

2.990 - 2.996 1499 66 67 1527 2446 1527 1527 1527

3.003 - 3.009 1524 71 74 1517 2467 1517 1518 1517

3.016 - 3.022 1559 91 92 1588 2495 1588 1589 1588

3.029 - 3.035 1546 62 64 1590 2540 1590 1590 1590

3.042 - 3.048 1490 57 61 1545 2539 1545 1545 1545

3.055 - 3.061 1637 70 75 1666 2555 1666 1666 1666

3.068 - 3.074 1752 83 85 1594 2578 1594 1594 1594

3.081 - 3.087 1600 65 67 1664 2612 1664 1664 1664

3.094 - 3.100 1660 67 67 1657 2629 1657 1657 1657

3.107 - 3.113 1667 63 67 1690 2672 1690 1690 1690

3.120 - 3.126 1694 67 70 1722 2660 1722 1723 1722

3.133 - 3.139 1763 70 74 1745 2682 1745 1745 1745

3.146 - 3.152 1825 70 72 1778 2723 1778 1778 1778

3.159 - 3.165 1800 71 73 1832 2726 1832 1832 1832

3.172 - 3.178 1715 95 90 1770 2755 1770 1770 1770

3.185 - 3.191 1898 68 70 1838 2754 1838 1838 1838

3.198 - 3.204 1761 68 68 1768 2807 1768 1769 1768

3.211 - 3.217 1791 69 69 1948 2813 1948 1948 1948

3.224 - 3.230 1900 78 76 1853 2812 1853 1853 1853

3.237 - 3.243 1907 62 69 1876 2842 1876 1876 1876

3.250 - 3.256 1993 65 67 1964 2844 1964 1965 1964

3.263 - 3.269 2012 89 91 1992 2860 1992 1993 1992

3.276 - 3.282 2152 73 74 1948 2884 1948 1948 1948

3.289 - 3.295 1956 69 73 1998 2952 1998 1998 1998

3.302 - 3.309 2048 72 71 2047 2917 2047 2048 2047

3.316 - 3.322 2112 76 75 2158 3008 2158 2159 2158

3.329 - 3.335 2190 72 73 2193 2926 2193 2194 2193

3.342 - 3.348 2052 72 74 2095 2944 2095 2096 2095

3.355 - 3.361 2123 66 67 2190 2956 2190 2191 2190

3.368 - 3.374 2255 84 88 2181 3004 2181 2182 2181

3.381 - 3.387 2261 72 75 2191 2999 2191 2192 2191

3.394 - 3.400 2323 76 76 2364 3147 2364 2366 2364

3.407 - 3.413 2267 64 68 2256 3045 2256 2258 2256

3.420 - 3.426 2270 67 73 2292 3052 2292 2294 2292

3.433 - 3.439 2454 78 79 2345 3057 2345 2349 2345

3.446 - 3.452 2278 73 71 2380 3077 2380 2383 2380

3.459 - 3.465 2312 72 70 2346 3072 2346 2350 2346

3.472 - 3.478 2449 78 78 2354 3083 2354 2360 2354

3.485 - 3.491 2386 78 73 2418 3088 2418 2429 2418
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Wavelength Ecl. depth Err., low Err., high Best fit No H2O No CO No H2S No CO2

(µm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm)

3.498 - 3.504 2522 78 78 2419 3104 2419 2427 2419

3.511 - 3.517 2374 67 77 2447 3105 2447 2465 2447

3.524 - 3.530 2486 88 86 2359 3118 2359 2371 2359

3.537 - 3.543 2471 73 75 2472 3135 2472 2489 2472

3.550 - 3.556 2471 75 78 2489 3136 2489 2502 2489

3.563 - 3.569 2534 83 87 2523 3151 2523 2538 2523

3.576 - 3.582 2575 71 74 2530 3149 2530 2552 2530

3.589 - 3.595 2586 75 74 2638 3152 2638 2666 2638

3.602 - 3.608 2546 84 79 2647 3156 2647 2669 2647

3.615 - 3.621 2537 69 71 2646 3162 2646 2672 2646

3.628 - 3.634 2659 77 86 2691 3194 2691 2719 2691

3.641 - 3.647 2820 88 85 2735 3217 2735 2756 2735

3.654 - 3.660 2589 65 70 2708 3236 2708 2734 2708

3.667 - 3.673 2703 77 78 2771 3233 2771 2794 2771

3.680 - 3.686 2814 67 68 2782 3263 2782 2810 2782

3.693 - 3.699 2752 80 80 2809 3274 2809 2834 2809

3.706 - 3.712 2838 85 79 2774 3234 2774 2805 2774

3.831 - 3.839 2914 69 73 2983 3365 2983 3003 2983

3.848 - 3.856 2983 71 74 3027 3366 3027 3050 3027

3.865 - 3.873 3109 81 82 3021 3394 3021 3041 3021

3.882 - 3.890 3208 84 82 3135 3406 3135 3160 3135

3.899 - 3.907 3220 78 85 3114 3405 3114 3134 3114

3.915 - 3.923 3005 77 79 3111 3409 3111 3135 3111

3.932 - 3.940 3131 76 80 3152 3426 3152 3173 3152

3.949 - 3.957 3200 86 86 3130 3465 3130 3149 3130

3.966 - 3.974 2939 81 85 3068 3436 3068 3089 3068

3.983 - 3.991 3101 72 77 3120 3482 3120 3138 3120

4.000 - 4.008 3077 82 86 3045 3463 3045 3062 3045

4.016 - 4.024 3077 88 92 3096 3477 3096 3114 3096

4.033 - 4.041 3007 85 94 3082 3491 3082 3095 3082

4.050 - 4.058 3061 83 92 3078 3526 3078 3094 3078

4.067 - 4.075 3133 92 88 3146 3616 3146 3158 3146

4.084 - 4.092 3107 97 98 2936 3540 2936 2948 2936

4.100 - 4.108 2993 88 89 3023 3537 3023 3037 3023

4.117 - 4.125 2992 90 93 3010 3536 3010 3019 3010

4.134 - 4.142 2975 79 82 3032 3578 3032 3040 3032

4.151 - 4.159 2955 87 92 2989 3563 2989 2996 2989

4.168 - 4.176 2900 107 163 2972 3516 2967 2973 2971

4.185 - 4.193 2987 98 97 2992 3600 2992 3000 2993

4.201 - 4.209 3088 100 183 3029 3663 3045 3079 3057
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Wavelength Ecl. depth Err., low Err., high Best fit No H2O No CO No H2S No CO2

(µm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm)

4.218 - 4.226 2928 94 92 2998 3583 2998 3004 3004

4.235 - 4.243 2835 95 98 2938 3590 2938 2942 2945

4.252 - 4.260 2983 101 99 2947 3598 2941 2956 2952

4.269 - 4.277 2860 95 95 2903 3602 2903 2907 2913

4.286 - 4.294 2983 146 107 2992 3652 2932 2990 3075

4.302 - 4.310 2876 108 183 3031 3604 3062 3029 3026

4.319 - 4.327 2905 109 116 3059 3569 3156 3067 3006

4.336 - 4.344 2816 106 110 3035 3496 3163 3090 3018

4.353 - 4.361 3009 101 137 3005 3374 3114 3031 3000

4.370 - 4.378 2925 112 155 2733 2813 3135 2767 2777

4.387 - 4.395 2885 113 129 2900 3100 3160 2994 2981

4.403 - 4.411 3061 109 167 2925 3017 3348 2989 2913

4.420 - 4.428 2834 103 136 2914 3294 3170 2955 2927

4.437 - 4.445 2898 114 173 2849 3105 3060 2822 2871

4.454 - 4.462 2799 108 185 2915 3132 3127 2973 2965

4.471 - 4.479 2800 120 182 2771 2814 3216 2793 2769

4.487 - 4.495 2807 119 182 2832 2924 3174 2830 2860

4.504 - 4.512 3008 123 115 2775 2995 3109 2768 2705

4.521 - 4.529 2757 117 124 3026 3219 3338 3032 3023

4.538 - 4.546 3115 115 169 2852 2985 3367 2885 2850

4.555 - 4.563 2875 118 197 3007 3274 3397 3067 3062

4.572 - 4.580 3025 123 128 2857 3039 3299 2840 2806

4.588 - 4.596 3071 168 184 2977 3153 3314 2965 2997

4.605 - 4.613 2914 129 163 3249 3461 3604 3258 3223

4.622 - 4.630 3105 125 185 2917 3017 3360 2994 2973

4.639 - 4.647 3101 120 173 3002 3170 3343 3087 3093

4.656 - 4.664 3137 133 161 3113 3425 3279 3197 3100

4.673 - 4.681 3146 142 113 2990 3317 3151 2987 2949

4.689 - 4.697 3143 133 164 3217 3548 3359 3292 3279

4.706 - 4.714 3086 130 144 3075 3402 3122 3038 3035

4.723 - 4.731 3273 135 175 3052 3564 3111 3043 3036

4.740 - 4.748 3205 134 197 3092 3389 3375 3098 3027

4.757 - 4.765 2978 137 144 3110 3453 3373 3151 3139

4.773 - 4.781 3160 136 100 3115 3524 3298 3165 3145

4.790 - 4.798 3121 147 107 3076 3407 3253 3029 3015

4.807 - 4.815 3063 136 155 2967 3191 3252 2943 2963

4.824 - 4.832 3326 148 196 3261 3608 3451 3261 3227

4.841 - 4.849 3004 142 122 3095 3425 3291 3057 3086

4.858 - 4.866 3341 156 147 3198 3547 3380 3157 3111

4.874 - 4.882 3090 149 115 3113 3497 3220 3106 3125
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Wavelength Ecl. depth Err., low Err., high Best fit No H2O No CO No H2S No CO2

(µm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm) (ppm)

4.891 - 4.899 3128 193 250 3045 3371 3142 3041 3035

4.908 - 4.916 3203 157 106 3160 3420 3321 3104 3147

4.925 - 4.933 2978 143 100 3097 3362 3283 3034 3013

4.942 - 4.950 3005 144 108 2988 3254 3167 2960 2971

4.959 - 4.967 3100 148 139 3001 3173 3277 3038 3011

4.975 - 4.983 3286 139 162 3235 3565 3357 3291 3207

4.992 - 5.000 3028 167 188 3112 3522 3258 3141 3120

5.009 - 5.017 3252 153 191 3154 3300 3201 3148 3125

5.026 - 5.034 3061 156 106 3006 3273 3100 3093 3033

5.043 - 5.051 3368 155 194 3219 3876 3217 3277 3255

5.060 - 5.068 3085 169 164 3102 3609 3214 3117 3175

5.076 - 5.084 3170 156 108 3112 3688 3154 3122 3124

5.093 - 5.101 3290 144 111 3226 3861 3273 3250 3273

5.110 - 5.118 3077 166 157 3195 3880 3259 3181 3164

5.127 - 5.135 3082 162 118 3205 3808 3295 3214 3232

5.144 - 5.152 3050 152 196 3069 3339 3150 3024 3068

5.160 - 5.168 3130 160 150 3058 3345 3131 3039 3004

Table 2. Summary of the spectral data shown on Figure 1.
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ABSTRACT
Our ability to interpret observations of galaxies and trace their stellar, gas, and dust content over cosmic time critically relies on
our understanding of how the dust abundance and properties vary with environment. Here, we compute the dust surface density
across cosmic times to put novel constraints on simulations of the build-up of dust. We provide observational estimates of the dust
surface density consistently measured through depletion methods across a wide range of environments, going from the Milky
Way up to z=5.5 galaxies. These conservative measurements provide complementary estimates to extinction-based observations.
In addition, we introduce the dust surface density distribution function – in analogy with the cold gas column density distribution
functions. We fit a power law of the form: log 𝑓 (ΣDust) = −1.92 × logΣDust − 3.65 which proves slightly steeper than for neutral
gas and metal absorbers. This observed relation, which can be computed by simulations predicting resolved dust mass functions
through 2D projection, provides new constraints on modern dust models.

Key words: galaxies: abundances – galaxies: evolution – galaxies: high-redshift – Galaxies Magellanic Clouds – quasars:
absorption lines – Interstellar Medium (ISM), Nebulae – ISM: dust, extinction

1 INTRODUCTION

Dust grains absorb stellar light in the ultraviolet (UV)-optical wave-
lengths and re-emit it in the far-infrared, which represents 30%–50%
of the radiative output of a galaxy (Roman-Duval et al. 2017). There-
fore, our ability to interpret observations of galaxies and trace their
stellar, gas, and dust content with redshift across the entire spectral
range critically relies on measurements of the dust abundance and
properties vary with environment and cosmic times. This in turn re-
quires us to understand the processes responsible for dust formation,
destruction, and transport, as well as their associated timescales.
A fraction of metals in the interstellar medium of galaxies in both

the local and high-redshift Universe resides in microscopic solid
particles or dust grains (Field 1974; Savage&Sembach 1996; Jenkins
2009a; De Cia et al. 2016). Interstellar dust has manifold impact on
the physics and chemistry of the interstellar medium (Zhukovska
et al. 2016, 2018; Galliano 2022) as well as the intra-cluster medium
(Shchekinov et al. 2022). Because dust locks some elements away
from the gas phase, it affects our measurements of the metallicity
of galaxies. One of the most important roles of interstellar grains
is that they facilitate the formation of molecular hydrogen, H2, on
their surfaces (Hollenbach & Salpeter 1971). TheH2 molecule is the
main component of molecular clouds, which are the cradle of star
formation in most of the Universe (Klessen &Glover 2016). Because
dust absorbs UV emission from young massive stars and re-emits it
in the infrared, the spectral energy distribution from dust is one of
the primary indicators of star formation (Calzetti et al. 2000).

★ E-mail: celine.peroux@gmail.com

Yet, in both local and high-redshift galaxies, the dust produc-
tion rates in evolved stars (Bladh & Höfner 2012; Riebel et al.
2012) and supernova remnants (Matsuura et al. 2011; Leśniewska
& Michałowski 2019; Slavin et al. 2020) are largely insufficient
compared to the dust destruction rates in interstellar shocks (Jones
et al. 1996) to explain the dust masses of galaxies over cosmic times
(Morgan & Edmunds 2003; Boyer et al. 2012; Rowlands et al. 2014;
Zhukovska & Henning 2013). This so-called dust budget crisis poses
an important challenge to our modelling of dust into a cosmological
context (Mattsson 2021).
Observationally, the amount of dust in astrophysical objects has

been quantified with a number of different methods probing various
dust signature. Extinction refers to the amount of light dimming due
to all the material lying along the line of sight between the astrophys-
ical object and the observer. Extinction is therefore an integrated
quantity which encapsulates absorption and scattering away from
the line-of-sight. The observational determination of extinction re-
quires backlights such as stars, Gamma-Ray Bursts, quasars, or other
objects with much smaller angular extent than a galaxy. The extinc-
tion at a given wavelength results from a combination of the grain
size distribution (Mattsson 2020), metallicity (Shivaei et al. 2020a)
and the optical properties of the grains (which is itself dependent on
the chemical composition of the grains). Therefore, the extinction
scales with dust column density or surface density. Similarly, infra-
red emission has been used to probe the dust content of galaxies
(Chiang et al. 2021). In particular, significant work has been put into
characterizing these quantities in galaxies beyond the MilkyWay, as-
sessing observational constraints both on the integrated values (e.g.,
Rémy-Ruyer et al. 2014; De Vis et al. 2019) and spatially-resolved
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values within galaxies (e.g., Vílchez et al. 2019). These works have
placed particular emphasis on the variation of the dust properties
with metallicity, stellar mass, star formation rate, and gas content
of the galactic environments, as these help shape our understanding
of the factors that drive the formation/destruction balance of dust.
Reddening, expressed through the colour excess, E(B–V), quantifies
the differential extinction.

Attenuation represents the effect of dust on the light continuum
from the geometric mix of stars and dust in galaxies. It thus reflects
the net effect on light due to a combination of multiple effects, in-
cluding extinction, scattering back into the line-of-sight as well as
contribution from unobscured stars (Salim &Narayanan 2020). Red-
dening is often expressed in terms of UV continuum slope, 𝛽 (Shivaei
et al. 2020b). The UV continuum slope depends on the column den-
sity of dust along the line-of-sight to the observer that is dimming
the UV light of background objects. A fully consistent comparison
between depletion-estimated extinction and colour-based estimates
is found in Konstantopoulou et al. (2023).
The total far-infrared emission is a proxy for the total dust mass.

At z>5, that emission is successfully probed at mm wavelengths
with facilities such as ALMA. The dust temperature however is less
well-constrained in these early times (see Figure 1 of Bouwens et al.
2020), leading to a degeneracy in the current estimates (Faisst et al.
2020; Sommovigo et al. 2020; Bakx et al. 2021; Sommovigo et al.
2022; Chen et al. 2022a; Fudamoto et al. 2022; Viero et al. 2022;
Drew&Casey 2022; Ferrara et al. 2022). Alternatively, the dust mass
is being derived from the mm-continuum of high-redshift galaxies
and the gas mass is then estimated assuming a dust-to-gas ratio –
often taken to be the value of the Milky Way (Scoville et al. 2017;
Dunne et al. 2022, but see Popping & Péroux (2022)). The ratio of
dust emission in infrared to the observed UV emission, known as
the infrared excess (IRX), is a measure of the UV dust attenuation.
The attenuation/extinction curve/law is characterised by its slope
and normalisation (e.g. Calzetti et al. 2000). Two galaxies having the
same attenuation curves (i.e. same shape) might still differ in their
normalisation (i.e. column density of dust). The two quantities, 𝛽 and
IRX, are often related into one diagram (Meurer et al. 1999; Faisst
et al. 2017; Shivaei et al. 2020b). The relation is sensitive to a range of
interstellar properties including dust geometries, dust-to-gas ratios,
dust grain properties, and the spatial distribution of dust. The relation
provides a powerful empirical constraint on dust physical properties
because it laid the foundation for a straightforward correction of
UV emission in galaxies where infrared observations are lacking
(especially at higher redshifts), based on the easily observable UV
slope (or colour).
Dust is made of some of the available metals produce by stars. In

the interstellar medium, a fraction of these elements is in the gas,
and the rest is locked up in dust. Indeed, most metals are under-
abundant in the interstellar gas of the Milky Way (Jenkins 2009a),
reflecting the amount of dust in our galaxy. Dust depletion can be
used to give hints on the dust composition (Savage & Sembach 1996;
Jenkins 2014; Dwek 2016; Mattsson et al. 2019; Roman-Duval et al.
2022a) and this often indicates that significant amounts of Fe-rich
dust should be present in the interstellar medium. Dust measurements
based on depletion estimated at UV and optical wavelengths might
suffer from a bias where the dustier systems would be obscured at
these wavelengths. In that sense, dust depletion provides conserva-
tive measurements which can be seen as a lower limit on the total
amount of dust in a population. Depletion measurements provide a
direct estimate of the dust content (Dwek 1998; Draine & Li 2007;
Galliano et al. 2018). The depletion can be used to calculate the ex-
tinction through the gas which is proportional to the column density

of metals (see equation 1 of Savaglio et al. 2003). In their Figure 9,
Wiseman et al. (2017) offer a comparison of the two measurements
between depletion-estimated extinction and colour-based estimates
in a sample of Gamma-Ray Bursts, indicating significant discrepan-
cies highlighting the possible limitations described above (see also
De Cia et al. 2013; Zafar et al. 2014).
These multiple observational results have triggered a number of

simulation efforts. These works come into twomain families: i) semi-
analytical models which use empirical relation to approximate some
of the physical processes at play; and ii) hydrodynamical cosmo-
logical simulations which include full treatments of dust production
and destruction. Contemporary models have reached a new level of
realism by including a large number of physical processes (Draine
2003). Dust shattering refers to the breaking of large grains into
small dust grains, due to high-velocity collisions. Conversely, coag-
ulation describes the processes of large grains being made out of
smaller entities because of low-velocity collisions. Therefore, both
these processes do not change the mass but the size distribution of
dust grains. Sputtering refers to dust destruction by shocks, including
those produced by Supernovae blasts. Astration reflects the process
of dust being absorbed by stars. We note that the same processes can
both produce and destroy small/big grains, so that the production
sources and destruction sinks are complex processes to simulate.
A number of efforts based on semi-analytical models have made

predictions on the dust mass of galaxies (Bekki 2015a; Pantoni et al.
2019; Lapi et al. 2020; Gjergo et al. 2020; Dayal et al. 2022) and
associated dust mass function (Popping et al. 2017; Triani et al.
2020; Vĳayan et al. 2019). As subset of these studies has provided
information on the dust surface density specifically (Bekki 2013,
2015b; Osman et al. 2020; Gjergo et al. 2020). In parallel, there
have been a number of works introducing dust physical processes
within hydrodynamical cosmological models (Moseley et al. 2023).
Many report estimates of the dust mass density (Gioannini et al.
2017; Aoyama et al. 2018; Lewis et al. 2023), while others report the
dust mass function (McKinnon et al. 2017; Graziani et al. 2020; Li
et al. 2019; Hou et al. 2019; Baes et al. 2020). A number of these
efforts have made predictions on dust surface densities in particular,
as the ones presented here (McKinnon et al. 2016; Trayford& Schaye
2019).
The goal of this work is two-fold. On one hand, we provide obser-

vational estimates of the dust surface density consistently measured
through depletion methods across a wide range of environments,
going from the Milky Way up to z=5.5 galaxies. While previous
works have estimated the dust mass in local galaxies (De Vis et al.
2019; Millard et al. 2020; De Looze et al. 2020; Morselli et al. 2020;
Casasola et al. 2020; Nanni et al. 2020; Galliano et al. 2021), this
study focuses on the dust column density. On the other hand, we
introduce the dust surface density distribution function – in analogy
with the gas (𝑁 (H i) or 𝑁 (H2)) column density distribution func-
tions (Péroux et al. 2003; Zwaan et al. 2005; Zwaan & Prochaska
2006; Klitsch et al. 2019; Péroux & Howk 2020; Szakacs et al.
2022). Spatially resolved simulations predicting the dust-mass func-
tion (Pozzi et al. 2020; Millard et al. 2020) can predict the dust
surface density distribution function through 2D projection. Thus,
the observed dust surface density distribution function potentially
offers new constraints on modern dust models.
The manuscript is organized as follows: Section 2 presents the

methods used in this study. Section 3 details how dust surface density
relates to the global physical properties of galaxies. We summarize
and conclude in Section 4. Here, we adopt an H0 = 67.74 km s−1
Mpc−1, Ω𝑀 = 0.3089, and ΩΛ = 0.6911 cosmology. We use the
latest solar abundance values from Asplund et al. (2021).

MNRAS 000, 000–000 (2020)
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2 DIFFERENTIAL DUST DEPLETION

2.1 Dust Depletion in our Galaxy

2.1.1 Methodology

The depletion of metals is differential, with some elements showing
a higher affinity for incorporation into solid-phase grains than others,
based on their chemical properties (Pettini et al. 1997; Vladilo 2002;
Jenkins 2009a). The differential nature of elemental depletion has
traditionally been used to correct the observed abundance for unseen
metals. Early works used lightly-depleted elements to derive abun-
dances (e.g., focusing on Zn or S or to a lesser degree Si).More recent
works have taken advantage of the patterns of differential depletion
to estimate the extent of the dust-depletion correction. These efforts
follow the spirit of Vladilo (1998) and Jenkins (2009a), using the
observed abundances to study the dust depletion beyond the Milky
Way (Jenkins & Wallerstein 2017; Roman-Duval et al. 2022a).
Specifically, De Cia et al. (2016) developed a method to charac-

terize dust depletion, 𝛿𝑋 , without assumption on the total gas+dust
metallicity. This is achieved through the study of relative abundances
of several metals with different nucleosynthetic and refractory prop-
erties, as follows. The relative gas-phase abundance of the metals X
and Y is written: [𝑋/𝑌 ] = log(N(X)/N(Y)) − log(N(X)�/N(Y)�).
This approach enables to calculate the depletionwithout assumptions
on the total metallicity of the gas, including metals locked onto dust
grains (see also De Cia et al. 2021; De Cia 2018a). We derive the
depletions of different elements as follows:

𝛿𝑋 = 𝐴2𝑋 + (𝐵2𝑋 × [𝑍𝑛/𝐹𝑒]fit), (1)

where [Zn/Fe]fit traces the overall amount of dust depletion and
is taken from De Cia et al. (2021). This quantity is equivalent to
the observed [Zn/Fe], although it is based on the observations of
all available metals. The coefficients A2𝑋 and B2𝑋 are taken from
Konstantopoulou et al. (2022).
The total dust-corrected metallicity is then computed as:

[𝑋/𝐻]total = [𝑋/𝐻]observed − 𝛿𝑋 (2)

where [X/H]total is the total metallicity including metals locked
into dust grains, [X/H]observed is the observed abundance of X in the
gas phase, and 𝛿𝑋 , i.e. the logarithm of the fraction of X in the gas
phase. Given that each element has a different propensity to deplete
onto dust grains, the observations of multiple element ratios provide
a measure of the interstellar depletions for various elements X. Given
estimates of 𝛿𝑋 and observations of [X/H]observed, one can derive
the quantity: [X/H]total.

2.1.2 Observational Results in the Milky Way

In the Milky Way, depletions have been studied for many heavy el-
ements in several hundreds of sightlines through the diffuse neutral
medium (Field 1974; Phillips et al. 1982; Jenkins 2009b; De Cia
et al. 2021). Here, we make use of results from two works: while
Jenkins (2009a) assumes solar metallicity (and solar abundance pat-
tern) for the Milky Way, De Cia et al. (2021) report both depletion
and metallicity measurements along different line-of-sight. For con-
sistency with other measurements and to avoid complications related
to ionisation corrections, we focus here on log N(H) ≥ 20.3 measure-
ments from Jenkins (2009a). We also note that the methodology of
Jenkins (2009a) follows the one presented for the Magellanic Clouds
next as a fixed global metallicity is assumed. These studies indicate

that in total about 50% of the metals in the Milky Way’s interstellar
medium are incorporated into grains (Draine 2003). The dust-to-gas
(DTG) and dust-to-metal (DTM) mass ratios are calculated from
these values of the dust depletions (see Section 3).

2.2 Dust Depletion in the Magellanic Clouds

2.2.1 Methodology

The method that we use to estimate the amount of dust in the Mag-
ellanic Clouds is slightly different from the one used to estimate the
same quantity in the Milky Way. The depletion for element X is
expressed as follows:

𝛿𝑋 = [𝑋/𝐻]observed − [𝑋/𝐻]assumed_total (3)

where [𝑋/𝐻]assumed_total = log(𝑋/𝐻)assumed_total − log(𝑋/𝐻)�
is the total abundance of element X (gas + dust) which here is as-
sumed to be equal to the abundance of element X in the photospheres
of young stars that have formed out of the interstellar medium (as
done for the Milky Way by Savage & Sembach 1996; Jenkins 2009a;
Tchernyshyov et al. 2015; Jenkins &Wallerstein 2017; Roman-Duval
et al. 2019). These works compare the chemical abundances in neu-
tral interstellar gas based on UV spectroscopy to stellar abundances
of OB stars and HII regions (e.g. Luck et al. 1998; Hunter et al.
2007; Trundle et al. 2007; Toribio San Cipriano et al. 2017) to esti-
mate 𝛿𝑋 from equation 3. In principle, there could be variations of
the metallicity of the neutral interstellar medium in the Magellanic
Clouds. We stress that the approach described in this section is there-
fore different from the ones reported in other sections for the Milky
Way and for high-redshift galaxies.

2.2.2 Observational Results in the Large Magellanic Cloud

The LargeMagellanic Cloud lies just 50 kpc from us (Subramanian&
Subramaniam 2009). Its dust content is probed through its extinction
map (Furuta et al. 2022), while dust reddening (Chen et al. 2022b)
and extinction (Gordon et al. 2003) have been measured in both the
Large and Small Magellanic Clouds as well as dust emission (Chas-
tenet et al. 2017). Recently, the Large Magellanic Cloud has been
the focus of a HST Large Program dubbed "The Metal Evolution,
Transport, andAbundance in the LargeMagellanic Cloud" (METAL)
and introduced in Roman-Duval et al. (2019). Roman-Duval et al.
(2021) demonstrates that the depletion of different elements in these
data are tightly correlated with the gas (hydrogen) surface density.
Roman-Duval et al. (2022a) further make a new appraisal of the dust
estimates in the Milky Way, Large and Small Magellanic Clouds.
The Galaxy is more strongly affected by dust depletion than the
Large Magellanic Cloud, and even more than the Small Magellanic
Cloud. Nevertheless, the way different elements deplete into dust
is very similar between these various environments (De Cia 2018a;
Konstantopoulou et al. 2022). Here, we use the data shown in Figure
7 of Roman-Duval et al. (2022a), which also include results from
Tchernyshyov et al. (2015). We use a constant metallicity throughout
the cloud, taken to be [X/H]=−0.30 (Roman-Duval et al. 2022a).

2.2.3 Observational Results in the Small Magellanic Cloud

Similarly, depletion of gas-phasemetal abundances are clearly seen in
the Small Magellanic Cloud, situated at about 60 kpc (Subramanian
& Subramaniam 2009), though with a smaller degree of depletion
reflecting the lower dust-to-metal mass ratio in this system. Initial
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Figure 1. Dust surface density as a function of cosmic times. In this figure and the following, the dust column densities are derived from depletion
measurements performed in absorption at UV wavelengths. The shade of colours from light to dark refers to the Milky Way, the Large and Small Magellanic
Clouds, Gamma-Ray Bursts and quasar absorbers at z>0. We note that Gamma-Ray Bursts galaxy hosts preferentially lie above the quasar absorbers. There is
also a clear trend of increasing dust surface density with cosmic time with a large scatter at any given redshift, as expected from the building of dust with time.

works from Tchernyshyov et al. (2015); Jenkins &Wallerstein (2017)
provide the first estimates of dust depletion in multiple lines-of-sight.
Here, we use the observations displayed in Figure 6 of Roman-Duval
et al. (2022a).These works assume a constant metallicity throughout
the SmallMagellanicCloud, taken to be [X/H]=−0.70 (Roman-Duval
et al. 2022a).

2.3 Dust in High-Redshift Galaxies

2.3.1 Methodology

Given the presence of dust in a broad range of galaxies, depletion is
naturally expected to be also detected in the material traced by high-
redshift absorption lines seen against the background light of bright
sources. In extragalactic systems, there have been numerous studies
of diffuse neutral medium depletions, facilitated by the redshifting of
the rest-frame UV absorption lines in the visible range (Ledoux et al.
2002; Vladilo 2002; De Cia et al. 2016; Bolmer et al. 2019a). Simi-
lar to the Milky Way, we derive the dust-to-gas ratios for individual
absorption systems from the elemental depletions. Because the be-
havior of each metal species varies (Jenkins 2009a), the estimates of
the depletion, 𝛿𝑋 , for each individual element, 𝑋 , are derived from
the dust sequences following the approach highlighted by De Cia
et al. (2016, 2018); Péroux & Howk (2020). The methodology used
here is therefore identical to the one described in Section 2.1.1.

2.3.2 Observational Results in Gamma-Ray Burst Hosts

Gamma-RayBurst events in particular probe the insterstellarmedium
of their galaxy hosts. These systems have been used to probe the dust
andmetals in Gamma-Ray Burst host galaxies (Savaglio & Fall 2004;
Schady et al. 2007; De Cia et al. 2012; Zafar & Møller 2019). Here,
we report observations from Bolmer et al. (2019a) which offer a
set of dust-depletion estimates based on the correction from De Cia
et al. (2016), hydrogen column density and metallicity for a sample
of Gamma-Ray Bursts.

2.3.3 Observational Results in Quasar Absorbers

Quasar absorbers probe the gas inside and around hundreds of fore-
ground galaxies unrelated to the background quasars (Pettini et al.
1994; Dessauges-Zavadsky et al. 2004; Rafelski et al. 2012). There is
strong evidence for the differential depletion of metals in the quasar
absorbers observed both for the neutral gas (De Cia et al. 2016, 2018;
Péroux & Howk 2020) as well as for partially-ionized gas (Quiret
et al. 2016; Fumagalli et al. 2016). The depletion in quasar absorbers
is typically smaller than in the Milky Way (De Cia et al. 2016;
Roman-Duval et al. 2022b; Konstantopoulou et al. 2022, 2023). In
addition, the abundance ratios change in a similar way from local to
high-redshift galaxies (De Cia 2018b; Konstantopoulou et al. 2022),
indicating that the depletion of dust evolves homogeneously all the
way to high-redshift systems. These results also imply that grain
growth in the interstellar medium is an important process of dust
production
Here, we use the values of dust depletion summarised by Péroux

MNRAS 000, 000–000 (2020)



Observed Dust Surface Density 5

Figure 2. Dust surface density as a function of cold gas surface density. The grey lines represent constant dust-to-gas ratios in steps of 1 dex. The cold gas
refers to the sum of neutral atomic, H i, and molecular, 𝑁 (H2) , except for quasar absorbers where the molecular gas is found to be negligible (Ledoux et al.
2003). Overall, the dust column densities follow the total hydrogen column densities with a 4-order of magnitude scatter.

& Howk (2020), which are based on results from De Cia et al.
(2018) with some additional updates (see footnote 5 of Péroux &
Howk 2020). We note that only a small fraction (of the order 10%)
of these systems have detections of molecular hydrogen, 𝑁 (H2). In
addition, when detected, the fraction of molecular gas in the cold
phase is also found to be small (∼0.01%, see Petitjean et al. 2000;
Noterdaeme et al. 2008; Balashev et al. 2019). For these reasons, we
neglect the molecular hydrogen gas in quasar absorbers and assume
N(H)=𝑁 (H i).

3 OBSERVED DUST SURFACE DENSITY

3.1 Methodology

The characterisation of the bulk statistical properties of dust involve
assessing the dust-to-gas (DTG) and dust-to-metal (DTM) mass ra-
tios. The former is the fraction of the interstellarmass locked into dust
grains; the latter is the fraction of the metal mass incorporated into
the solid phase. The dust-to-gas ratio for an individual element, 𝑋 ,
is related to its depletion, 𝛿𝑋 , and its dust-to-metal ratio as follows:

DTG𝑋 = (1 − 10𝛿𝑋 ) 𝑍Xtotal = DTM𝑋 𝑍Xtotal (4)

where ZXtotal is the intrinsic abundance of X expressed by mass (e.g.,
Vladilo 2004; De Cia et al. 2016). We derive the 𝛿𝑋 from the differ-
ential depletion of various elements as described in Section 2, and
use them to calculate the individual DTG𝑋 (equation 4).

DTG =
∑︁
𝑥

DTG𝑥 (5)

To obtain a global DTM ratio expressed for all the elements and
in mass fraction, we then average the DTM𝑋 and weight them by
elemental abundances and atomic weight for the Milky Way and the
Magellanic clouds (as also done in Roman-Duval et al. 2021). For
the high-redshift galaxies, we derive the global DTM from the DTG
as follows:

𝑍total =
∑︁
𝑥

𝑍 𝑥
total (6)

DTM = DTG/𝑍total =
∑

𝑥 DTG𝑥∑
𝑥 𝑍

𝑥
total

(7)

For this calculation, we include the 18 elements which depletion
have been characterized by Konstantopoulou et al. (2022), though
C, O, Si, Mg, and Fe contribute a major fraction of the total dust
mass (see also Konstantopoulou et al. 2023). In the calculation we
also include all the volatile metals that have an element abundance
higher than 12 + log(𝑋/𝐻) >3 (Table 1 of Asplund et al. 2009, see
also Asplund et al. (2021)), most notably the N and Ne, which do not
contribute to the dust budget, but contribute to the metal budget.
We then directly calculate the dust surface density which provide

a observationally-based measurements of the dust quantity. Specifi-
cally, we use several UV-based depletion measurements to calculate
the dust mass surface density, ΣDust, in various environments. To this
end, we couple observations of the total dust-to-gas ratio, DTG, de-
scribed above with estimates of the column density of hydrogen gas,
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Figure 3. Top Panel: Dust surface density as a function of gas metallicity. There is a tight correlation between dust surface densities and the dust-corrected
metallicity estimates at all cosmic times. For a given metallicity, quasar absorbers have lower surface density of dust than GRB host galaxies and the Milky
Way, which are closer to the denser and colder parts of their galaxies. The Milky Way values from Jenkins (2009) and the Large & Small Magellanic Clouds
(Roman-Duval et al. 2022a) are assumed to have one global metallicity each. Bottom Panels: Distribution of dust surface density in quasar absorbers, the
Magellanic Clouds, and GRB hosts at fixed metallicity. The bottom left panel displays observations for the SMC, the bottom middle panel shows data for the
LMC, while the bottom right whos measurements from GRB hosts. At fixed metallicity, the distribution in dust surface density in the LMC is wider than for
quasar absorbers. Similarly, at a given metallicity, Σdust is higher in GRB sight lines that are likely closer to the denser and colder parts of their galaxies than
quasar absorbers.

both in its atomic and molecular phases. We derive the dust surface
densities as:

ΣDust = DTG × ΣGas = DTG × 𝑁 (𝐻) × 𝑚H × `[𝑔/𝑐𝑚2] (8)

where the total hydrogen column density is
N(H)=𝑁 (H i)+2N(H2), the sum of 𝑁 (H i) and two atoms of
hydrogen, 𝑁 (H2), expressed in atoms/cm2. The quantity ΣGas is the
gas surface density, 𝑚H is the hydrogen mass 𝑚H=1.67 × 10−24 g,
and ` is the mean molecular weight of the gas which is taken to
be 1.3 (76% hydrogen and 24% helium by mass). The dust surface
density, ΣDust, is therefore expressed in g/cm2 or alternatively in
M�/kpc2. The resulting values for each of the systems are listed in

the table available on-line, an excerpt of which is presented in the
Appendix A.

3.2 Dust Surface Density as a function of Gas Properties

For completeness, we start by briefly summarising the relations be-
tween the dust surface densities and galaxy physical properties. This
work intentionally refrains to plot dust-to-gas ratio relation with
galaxy’s properties since those have presented elsewhere (e.g. Pop-
ping & Péroux 2022). Figure 1 displays the dust surface density as
a function of cosmic time. In this figure and the followings, the left
y-axis displays the dust surface density in units of g per cm2 and the
right y-axis in units of M�/kpc2. We stress that all these dust sur-
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face densities are derived from depletion measurements performed
in absorption at UV wavelengths. The shade of colours from light
to dark refers to the Milky Way, the Large and Small Magellanic
Clouds, Gamma-Ray Bursts and quasar absorbers at z>0. There is a
clear trend of increasing dust surface density with cosmic time with
a large scatter at any given redshift, as expected from the build up of
metals and associated dust with time. Gamma-Ray Burst host galax-
ies overall have higher dust surface densities than quasar absorbers
at the same redshift. This is consistent with Gamma-Ray Bursts ex-
ploding in inner regions of their host galaxies, while quasar absorbers
probe peripheral regions of the intervening galaxies where the sky
cross-section is the largest (Prochaska et al. 2007; Fynbo et al. 2008).
Figure 2 shows the dust surface density as a function of cold gas

surface density. The cold gas refers to the sum of neutral atomic,
H i, and molecular, 𝑁 (H2), except for quasar absorbers where the
molecular gas is found to be negligible (Ledoux et al. 2003). The
grey lines show constant dust-to-gas ratios in steps of 1 dex. The
dust column densities roughly follow the total hydrogen column den-
sities, though with a 4-order of magnitude spread at a given ΣGas.
Roman-Duval et al. (2014) used resolved Herschel infra-red maps of
Magellanic clouds in combination with 21cm, CO and H𝛼 observa-
tions to infer the relation between the atomic, molecular and ionised
gas with dust surface density. The authors report a clear trend of
increasing dust surface density with increasing gas surface density
in the diffuse interstellar medium, albeit for a medium with consis-
tent metallicity. Our depletion-derived results show a similar scaling
in Figure 2. Roman-Duval et al. (2017) further explore the relation
based on IRAS and Planck observations and find an increase by a
factor three of the dust-to-gas ratio going from the diffuse to the dense
insterstellar medium, in line with elemental depletions results. In the
Milky Way (Jenkins 2009a) and Small Magellanic Cloud (Jenkins &
Wallerstein 2017), the fraction of metals in the gas phase decreases
with increasing hydrogen volume density and column density, al-
beit at different rates for different elements. Gamma-Ray Burst host
galaxies display low dust surface densities in comparison with quasar
absorbers while still bearing large amounts of gas (Jakobsson et al.
2006; Fynbo et al. 2009), even at relatively high gas surface densities.
One possible reason for this difference is that Gamma-Ray Burst host
galaxies have overall low metallicities and low dust content (Perley
et al. 2016; Krühler et al. 2015; Savaglio et al. 2009), although dustier
systems do exist (Perley et al. 2011, 2013). We cannot exclude that
systems with high dust surface density (even in the low metallicity
surface density regime) are missing from current sample based on
UV dust-depletion observations. Interestingly, there is a dearth of
systems with high gas surface density and low dust surface density
which can not be attributed to an observational bias, because sys-
tems lying in this parameter space - if they exist - would have small
extinction.
The top panel of Figure 3 displays the dust surface density as a

function of gas metallicity. There is a relatively tight correlation be-
tween the dust column densities and the dust-corrected metallicity
estimates at all cosmic times. Works from Jenkins (2009a); Roman-
Duval et al. (2022b) report dust-depletion measurements assuming
a global metallicity of [X/H]=0 for the Milky Way, [X/H]=−0.30 for
the Large Magellanic Cloud and [X/H]=−0.70 for the Small Mag-
ellanic Cloud. Additionally, the top panel of Figure 3 shows a clear
correlation between Σdust and metallicity. These results are in line
with the dust-to-metal ratio increasing with metallicity (Wiseman
et al. 2017; De Cia et al. 2013; Péroux & Howk 2020). The bottom
panels of Figure 3 illustrate the distribution in dust surface density
at fixed metallicity materialised by the grey shaded areas in the top
panel. In the Large Magellanic Clouds in particular, the dispersion in

Σdust is larger than in quasar absorbers for a given metallicity, pro-
viding further evidence that the metallicity within the Clouds might
vary. Likewise, we note that the Magellanic Clouds dust distribu-
tions are skewed towards higher values than quasar absorbers with
the similar metallicity. This effect might be related to (i) quasar ab-
sorbers probing random position in the galaxy, and therefore being
more likely to probe the outermost parts, and (ii) Magellanic Clouds
are infalling satellites, so the gas compression coming from the ram
pressure might boost dust formation by increasing the densities. We
stress that further differences in Σdust might be not revealed here
because of the assumption of fixed metallicity in the Magellanic
Clouds.
The right most panel of Figure 3 shows a comparison of quasar

absorbers with Gamma-Ray Bursts in the range -1.5<[M/H]<-0.5
indicating that the latter have larger dust surface density values.
Indeed, at a given metallicity, Σdust is higher in systems such as
Gamma-Ray Bursts that are closer to the denser and colder parts
of their galaxies, where the physical conditions (high density, low
temperature and high pressure) favour the formation of molecules
(Blitz & Rosolowsky 2006) and likely dust.

3.3 Dust Surface Density Distribution Function

Next, we use these observations to calculate the dust surface density
distribution function. To this end, we propose to use an analogue
of the gas (𝑁 (H i) or 𝑁 (H2)) column density distribution functions
(Péroux et al. 2003; Zwaan et al. 2005; Zwaan & Prochaska 2006;
Klitsch et al. 2019; Péroux & Howk 2020; Szakacs et al. 2022). We
express the function as follows:

𝑓 (ΣDust) =
N

ΔΣDust [g/cm2]
(9)

where N denotes the number of absorbers in the dust surface
density binΔΣDust (see alsoChurchill et al. 2003; Richter et al. 2011).
Since the function is not normalised by the redshift path, it depends
on the number of sightlines in the survey. Our quasar absorber sample
comprises a total of 247 systems. The resulting function for quasar
absorbers is displayed in Figure 4. The data appear to follow a power-
law distribution, with the turn-over at small column densities. This
turn-over kicks in at dust surface densities below logΣDust ≤ −6. We
interpret this feature as due to incompleteness in the observed sample.
We stress that the observations reported here are focused on the larger
𝑁 (H i) column density quasar absorbers. It is likely that at low gas
surface density, there are a number of lower dust surface density
systems which are currently not included in the sample. Indeed, the
sample is limited to strong quasar absorbers with log 𝑁 (H i)>20.3.
Figure 2 shows that quasar absorbers with logN(H) ≤ 20.3 (top x-
axis) will mostly have logΣDust ≤ -6 (left y-axis). We note that these
systems are not included by construction in the dust surface density
distribution function presented here. For this reason, we choose to
fit the function without taking the low ΣDust values into account and
with a simple power law of the form:

𝑓 (ΣDust) = 𝐶Σ−𝛿Dust (10)

which we rewrite as:

log 𝑓 (ΣDust) = −𝛿×logΣDust+log𝐶 = −1.92×logΣDust−3.65 (11)

for surface densities with logΣDust ≥ −6 in units of g/cm2. Here,
log 𝑓 (ΣDust) is the number of systemswith dust surface densityΣDust
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Figure 4. Dust surface density distribution function. This function is computed in analogy with the gas column density distribution function. We note a
turn-over at low dust surface densities to the left of the dotted grey line. We interpret this feature as due to incompleteness in the sample. Indeed, the data plotted
here are focused on the larger 𝑁 (H i) column density quasar absorbers. We fit the high dust surface density values, logΣDust ≥ −6, with a simple power law
of the form: log 𝑓 (ΣDust) = −1.92 × logΣDust − 3.65. This observed relation, which can be computed by spatially resolved simulations predicting dust mass
functions through 2D projection, provides new constraints on modern dust models.

per unit of dust surface density ΔΣDust. It is therefore expressed in
number of systems cm2/g. C is the normalisation factor. The fit is
also shown in Figure 4. Rees (1988) demonstrated that assuming ran-
domly distributed lines-of-sight through spherical isothermal halos
the column density distribution function, 𝑓 (𝑁), was shown to have
a power law of slope 𝛿=5/3. Interestingly, Kim et al. (2001) report
a slope 𝛿 ∼1.5 for HI absorbers and Churchill et al. (2003); Richter
et al. (2011) measure slopes ranging 𝛿=1.5-2.0 for MgII, FeII, MgI
and CaII, respectively. Therefore, the slope of the dust surface den-
sity distribution function, 𝛿=1.92±0.13, is possibly steeper than for
neutral gas and on the high-end with respected to metal absorbers.
Finally, we note that this observed relation, which simulations pre-
dicting dust mass function (Pozzi et al. 2020;Millard et al. 2020) will
be able to compute through 2D projection, provides new constraints
on modern dust models (McKinnon et al. 2017; Graziani et al. 2020;
Li et al. 2019; Hou et al. 2019; Baes et al. 2020).

We caution that these UV-depletion results could potentially be in-
complete due to observational biases affecting e.g., the dust surface
density distribution. For example, in the Milky Way and the Mag-
ellanic Clouds, UV sight-lines are biased toward the less reddened
stars/lower surface densities by the sensitivity of the Ultra-Violet
telescopes. Similarly, such effects apply to Gamma-Ray Bursts and
quasar samples so that the dustier objects might be missed from cur-

rent sample. Several results (Ellison et al. 2009) indicate that these
effects are minimum, but one cannot fully exclude that dustier objects
exists and have been missed from dust-depletion studies presented
here.

4 CONCLUSIONS

In this work we have looked at a observable, namely ΣDust, to put
novel constraints on simulations of dust. Indeed, reproducing dust
masses over cosmic times requires that dust grow in the interstellar
medium, and therefore that the dust properties change significantly
with environment, particularly density. To this end, we gathered ob-
servations from the Milky Way, Large and Small Magellanic Clouds
and high-redshift galaxies traced by Gamma-Ray Burst host galax-
ies and quasar absorbers. By putting all these results together we
can make a new appraisal of the dust surface density (dust column
density) expressed in g per cm2 or alternatively in M�/kpc2 across
cosmic times measured through dust depletion. We also contrast
the observational measurements with recent hydrodynamical simu-
lations. Our main results are:

• The dust surface densities increase with cosmic time with a
large scatter at any given redshift.
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• The dust surface densities are also a function of the total gas
surface densities in the same systems, with increasing dust surface
density increasing with total hydrogen surface density, although the
scatter in the relation is 4 orders of magnitude.

• There is a tight correlation between the dust column densities
and the dust-corrected metallicity estimates at all cosmic times.

• We introduce the dust surface density distribution function –
in analogy with the cold gas column density distribution function.
We note a turn-over at low dust surface densities. We interpret this
feature as due to incompleteness in the sample.We provide a fit to the
observed distribution of the form: log 𝑓 (ΣDust) [number of systems
per unit dex] = −1.92 × logΣDust − 3.65 which proves steeper than
for neutral gas and metal absorbers.
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Table A1. Summary of the observational data used in this study. The
first column refers to the systems under study, the second column lists our
computation of the logarithm of the dust surface density in units of g per cm2,
the third column provides the redshift, while the fourth column tabulates
the total gas surface density and the last column provides the dust-depletion
corrected total metallicity with respect to solar.

System log ΣDust Redshift log ΣGas Metallicity
[g/cm−2] [g/cm−2] [M/H]total

Milky Way −5.05±0.61 0.000 −2.49±0.20 −0.39± 0.18
Milky Way −5.04±0.52 0.000 −2.31±0.20 −0.56± 0.09
Milky Way −5.48±0.55 0.000 −3.12±0.20 −0.18± 0.13
Milky Way −4.87±0.56 0.000 −2.33±0.20 −0.41± 0.13
Milky Way −4.81±0.62 0.000 −2.12±0.20 −0.50± 0.20
Milky Way −5.35±0.56 0.000 −3.46±0.20 +0.28 ±0.13
...

APPENDIX A: OBSERVED DUST PROPERTIES AT
VARIOUS COSMIC TIMES.

Table A1 lists the observed physical properties of different envi-
ronment plotted in Figures 1, 2 and 3. We derive these quantities
from data of the the Milky Way (De Cia et al. 2021), the Large and
Small Magellanic Clouds observations (Roman-Duval et al. 2022a),
the Gamma-Ray Bursts information (Bolmer et al. 2019b) and the
quasar absorbers data (Péroux &Howk 2020). This extract shows the
first few entries while the full table is available as machine-readable
on-line material.

MNRAS 000, 000–000 (2020)
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Sanjana Curtis ,1, 2 Pablo Bosch ,2 Philipp Mösta ,2 David Radice ,3, 4, 5 Sebastiano Bernuzzi ,6

Albino Perego ,7, 8 Roland Haas ,9, 10 and Erik Schnetter 11, 12, 13

1Department of Astronomy and Astrophysics, University of Chicago, Chicago IL 60637
2Anton Pannekoek Institute for Astronomy, Institute of High-Energy Physics, and Institute of Theoretical Physics, University of

Amsterdam, Science Park 904, 1098 XH Amsterdam, The Netherlands
3Institute for Gravitation and the Cosmos, The Pennsylvania State University, University Park, PA 16802, USA

4Department of Physics, The Pennsylvania State University, University Park, PA 16802, USA
5Department of Astronomy & Astrophysics, The Pennsylvania State University, University Park, PA 16802, USA

6Theoretisch-Physikalisches Institut, Friedrich-Schiller-Universität Jena, 07743, Jena, Germany
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ABSTRACT

We present a 3D general-relativistic magnetohydrodynamic simulation of a short-lived neutron star

remnant formed in the aftermath of a binary neutron star merger. The simulation uses an M1 neutrino

transport scheme to track neutrino-matter interactions and is well-suited to studying the resulting nu-

cleosynthesis and kilonova emission. We find that the ejecta in our simulations under-produce r-process

abundances beyond the second r-process peak. For sufficiently long-lived remnants, these outflows alone

can produce blue kilonovae, including the blue kilonova component observed for AT2017gfo.

Keywords: compact objects — neutron stars — transient sources

1. INTRODUCTION

The observation of AT2017gfo (Coulter et al. 2017;

Soares-Santos et al. 2017; Arcavi et al. 2017) – a kilonova

arising from merging neutron stars – has provided strong

evidence that such mergers are a site where heavy ele-

ments are produced via the rapid neutron-capture pro-

cess or r-process (Pian et al. 2017; Kasen et al. 2017).

The optical and infrared spectra of this transient show
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an early ‘blue’ peak at ultraviolet/optical frequencies

and a late ‘red’ peak in the near-infrared (Evans et al.

2017; McCully et al. 2017; Nicholl et al. 2017; Tan-

vir et al. 2017; Chornock et al. 2017). This behavior

is thought to arise from the presence of two or more

distinct outflow components, which differ with respect

to their total mass as well as velocities and opacities

(Perego et al. 2017; Cowperthwaite et al. 2017; Drout

et al. 2017; Villar et al. 2017).

The neutron-richness of the ejecta is an important

quantity for nucleosynthesis, indicated by its electron

fraction Ye = NP /NB , where NP is the total number of

protons and NB is the total number of baryons. In gen-

eral, relatively neutron-rich ejecta (Ye . 0.25) synthe-

size a significant mass-fraction of heavy elements includ-
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ing the lanthanides (140 ≤ A < 176). Lanthanides pro-

duce strong optical line blanketing and shift emission to-

wards infrared bands, thus giving rise to a ‘red’ kilonova.

Less neutron-rich ejecta (Ye & 0.25) are lanthanide-

poor with a correspondingly lower opacity and produce

a ‘blue’ kilonova.

While the multi-component fits to AT2017gfo provide

reasonable estimates of the ejecta properties, linking

them to various outflow components found in merger

simulations has been challenging (Nedora et al. 2021).

The red component is thought to arise from the tidal dy-

namical ejecta and/or accretion disk outflows while the

exact origin of the blue component remains unknown.

The blue component will be the focus of this paper.

The ejecta properties derived for the blue compo-

nent in Villar et al. (2017) include a total mass of

∼ 2 × 10−2M�, high velocities ∼ 0.27c, and a low

opacity compatible with a composition characterized by

Ye ∼ 0.25− 0.35. Shock-heated dynamical ejecta in the

polar region may have the requisite velocities and com-

position but are insufficiently massive. Accretion disk

outflows may produce massive ejecta with the appro-

priate composition but with much lower velocities. The

production of the blue component thus requires the pres-

ence of another mechanism.

Several possibilities have been proposed to simulta-

neously fit these estimates, including spiral-wave winds

(Nedora et al. 2019), and neutrino-heated, magnetically-

accelerated outflows from a strongly magnetized neutron

star (NS) merger remnant (Metzger et al. 2018). The

latter suggestion motivated the modeling of a NS rem-

nant with 3D GRMHD simulations (including neutrinos

via a leakage scheme) in Mösta et al. (2020), who found

the outflow properties to be broadly in agreement with

those estimated for the blue component. An investiga-

tion of the resulting emission was carried out in Curtis

et al. (2023), who found that these outflows produce a

red kilonova that peaks on the timescale of a day.

Recently, Most & Quataert (2023) showed that NS

merger remnant outflows can produce flares, jets, and

quasi-periodic outflows, and Combi & Siegel (2023) ar-

gued that disk winds dominate the kilonova emission,

with the NS remnant only being responsible for a blue

precursor signal. All of these simulations treated the

neutrino-matter interactions using a leakage scheme or

one-moment schemes, which do not accurately capture

the Ye evolution. Ciolfi & Kalinani (2020) did not in-

clude neutrino radiation in their simulations but fol-

lowed over 250 ms of post-merger evolution, concluding

that the magnetically driven baryon wind can produce

an ejecta component as massive and fast as required by

the observed blue kilonova.

Here, we present 3D GRMHD simulations of a mag-

netized short-lived NS merger remnant using a two-

moment M1 scheme for neutrino transport. We find

an outflow that reaches quasi-steady-state operation in

agreement with Mösta et al. (2020). We calculate r-

process abundances in the ejecta and predict kilonova

light curves. The ejecta in our simulations do not pro-

duce a robust r-process pattern beyond the first r-

process peak. Additionally, we find that given a suffi-

ciently long-lived NS remnant, such outflows alone can

produce blue kilonovae, including the blue kilonova com-

ponent observed for AT2017gfo.

The paper is organized as follows. In Section 2, we

describe our input models as well as numerical meth-

ods and codes used to carry out the simulations and

compute abundances and light curves. We present the

outflow properties in Section 3.1, the ejecta composi-

tion in Section 3.2, and kilonova light curves in Section

3.3. We discuss the implications of our results and future

directions in Section 4.

2. METHODS

2.1. Simulation Setup

The short-lived NS remnant we evolve formed in the

merger of an equal-mass binary with individual NS

masses of 1.35M� at infinity, originally simulated in

GRHD by Radice et al. (2018) using the WhiskyTHC

code. We map the NS remnant as initial data to our

simulation at 17 ms post-merger, adding a poloidal mag-

netic field of strength B0=1015 G. Our simulation em-

ploys ideal GRMHD using the Einstein Toolkit and

includes the K0 = 220 MeV variant of the equation of

state of Lattimer & Swesty (1991). Neutrino-matter in-

teractions are tracked using a recently developed M1

neutrino transport scheme (Radice et al. 2022). We ini-
tialize neutrino quantities by assuming equilibrium con-

ditions. In Mösta et al. (2020), the same NS remnant

was evolved using a similar setup, but using a leakage

scheme to treat neutrinos.

2.2. Tracer Particles and Nuclear Reaction Network

We use tracer particles to extract the thermodynamic

conditions of the ejected material. The tracers are uni-

formly spaced to represent regions of constant volume.

At the start of the simulation, each tracer particle is

assigned a mass that accounts for the density at its

location and the volume the particle covers. We place

96000 tracer particles to ensure that a sufficient number

of tracer particles are present in the outflow. The trac-

ers are advected with the fluid and collected at a surface

defined by a chosen radius, r =150 M� = 222 km here,
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and tracer quantities are frozen once the tracer particle

crosses this surface.

We compute the ejecta composition by post-

processing the tracers with the SkyNet nuclear reaction

network (Lippuner & Roberts 2017). We include 7852

isotopes up to 337Cn. The reaction rates, nuclear masses

and partition functions are the same as those used in

Curtis et al. (2023). The network is started in NSE when

the particle temperature drops below 20 GK. The net-

work calculates the source terms due to individual nu-

clear reactions and neutrino interactions, and evolves

the temperature. The dynamical simulation, and hence

the tracer trajectory, ends around 12 milliseconds after

the mapping due to the collapse of the remnant. The

network continues the nucleosythesis calculation up to

a desired end time by smoothly extrapolating the tracer

data beyond the end of the trajectory, assuming homolo-

gous expansion. Our calculations are carried out to 109 s,

long enough to generate a stable abundance pattern as

a function of mass number.

2.3. Radiation Transport

We compute kilonova light curves using SNEC (Mo-

rozova et al. 2015; Wu et al. 2022), a spherically-

symmetric Lagrangian radiation hydrodynamics code

capable of simulating the hydrodynamical evolution of

merger ejecta and the corresponding bolometric and

broadband light curves. As input, SNEC requires the ra-

dius, temperature, density, velocity, initial Ye, initial en-

tropy and expansion timescale of the outflow as a func-

tion of mass coordinate. The Ye, entropy and expan-

sion timescale are used to compute the heating rates

and opacities. The outflow properties are recorded by

measuring the flux of the relevant quantities through a

spherical surface at radius r = 100M� = 148 km. We use

the same approach as employed in Curtis et al. (2023).

3. RESULTS

3.1. Outflow Properties

We present 2D snapshots of the simulation at

t=10.1ms in Figure 1, along with the corresponding

snapshots from the simulation presented in Mösta et al.

(2020). The simulations differ in their treatment of neu-

trino physics – while the simulation in this paper em-

ploys an M1 transport scheme, the previous work used

a leakage scheme. The simulation presented here leads

to an earlier remnant neutron star collapse compared

to our previous work (12ms vs 22ms) but the overall

outflow geometry and properties are very similar. The

ejecta are concentrated in the polar region, as can be

seen in the panels depicting the Ye of the unbound ma-

terial in Figure 1. Roughly ∼ 3 × 10−3M� of material

becomes unbound during the course of our simulation.

The mass ejection rate for the M1 simulation when the

outflow has reached a steady-state is ' 0.08M� s
−1,

roughly consistent with our previous results.

In Figure 2, we present histograms of the radial veloc-

ity of the unbound material and its electron fraction at

various times during the two simulations. The unbound

material is determined via the Bernoulli criterion. The

ejecta show a broad, and overall very similar velocity dis-

tribution. A significant amount of material has velocities

between 0.2c < vr < 0.3c at all times, consistent with

the range of velocities estimated for the ‘blue’ ejecta

component associated with AT2017gfo. As the system

evolves, a small fraction of the ejecta attains velocities

in the range 0.4c < vr < 0.5c.

Examining the evolution of the Ye distributions, we

note the effect of neutrino-matter interactions in the M1

simulations, which drive the ejecta Ye towards higher

values over time, as discussed in some detail in Radice

et al. (2022) and Zappa et al. (2023). In the leakage

simulation, most of the ejected material has Ye values

between 0.2 – 0.3, with a peak around Ye ∼ 0.25, but

the M1 simulation predicts meaningfully higher ejecta

Ye. The leakage scheme used in Mösta et al. (2020) in-

cluded an approximate energy deposition rate due to

neutrino absorption in optically thin conditions, but did

not directly include the effect of neutrino absorption on

the composition. The inclusion of this effect in the M1

simulation results in the increase in Ye observed. In the

M1 simulation, barely any of the material ejected at later

times has Ye . 0.3.

While the two snapshots in time do not exactly cor-

respond to the same stage in the simulation (due to the

different collapse times of the remnant) the difference in

outflow composition persists across the entire simulated

time. The systematically higher Ye values found using

the M1 scheme as compared to leakage agree with the

results of (Radice et al. 2022). This range of Ye values

in the outflow is expected to inhibit the synthesis of a

significant mass-fraction of lanthanides. Given the typ-

ical entropies and dynamical timescales found in these

simulations, the lanthanide turn-off point is expected to

be Ye ∼ 0.24 (Lippuner & Roberts 2015).

3.2. r-Process Nucleosynthesis

The mean outflow entropy is roughly 20 kB/baryon

with typical expansion timescales of the order ∼ 10−20

ms. In the top panel of Figure 3, we show the Ye distri-

bution for all ejected tracers when the temperature of

the particles is last above 5 GK (the relevant tempera-

ture for r-process nucleosynthesis), as computed within

SkyNet. This is distinct from the ejecta Ye shown in
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Figure 3. Mass-weighted abundance as a function of mass
number for the NS remnant outflow. The different colors cor-
respond to different constant neutrino luminosities employed
during post-processing. The solar abundance pattern has
been scaled to match the second r-process peak at A ∼ 130
for the zero luminosity setting. The dashed lines show the
total abundance pattern produced in combination with the
dynamical ejecta from Radice et al. (2018)

.

Figure 2 since the Ye is evolved within the network

based on the neutrino luminosity employed during post-

processing.

We plot the Ye distribution for four calculations, each

assuming a different constant value of the neutrino lu-

minosity, ranging from 0 − 1053 erg s−1. This range of

constant neutrino luminosities is used to bracket the

possible uncertainties in composition arising from the

approximate neutrino transport treatment. For the con-

stant luminosity calculations, we assume Lνe = Lνē and

constant mean neutrino energies 〈ενe〉 = 10 MeV and

〈εν̄e〉 = 14 MeV. The luminosities observed in the sim-

ulation are a few 1052 erg s−1, in agreement with what

(Cusinato et al. 2022) found. We will present the neu-

trino properties in the simulation in a future study.

In general, higher constant neutrino luminosities shift

the Ye distribution towards higher values, approaching

the equilibrium Ye. The exact value of Ye, and whether

weak equilibrium is actually attained, is decided by the

competition between the weak interaction timescale and

the dynamical timescale. Here, most of the ejected ma-

terial has Ye & 0.3 for all calculations, and for the ex-

treme case where Lν = 1053 erg s−1, the ejecta Ye peaks

around ∼0.44.

In the bottom panel of Figure 3, we show the cor-

responding abundance patterns. The r-process abun-

dances produced do not match the solar pattern for any

of the scenarios, and the abundances of heavy nuclei

are increasingly suppressed as we increase the constant

neutrino luminosity employed during post-processing. In

combination with the dynamical ejecta, the solar pattern

can be reproduced for the simulation presented here,

however, for longer-lived remnants, we expect the con-

tribution of the remnant outflows to dominate the total

abundance pattern. The lanthanide fractions for the four

constant luminosity runs, in order of increasing Lν , are

3.1 ×10−3, 2.6 ×10−3, 1.4 ×10−3 and 2.13 ×10−10.

Typically, for XLa & 3 × 10−3, the kilonova peaks in

the near-infrared J band around 1 day (Even et al. 2020).

However, since the Ye of our outflows (and hence the

ejecta composition) varies significantly with angle off of

the midplane, the character of the kilonova observed will

depend heavily on the viewing angle, in agreement with

various previous studies based on numerical relativity

simulations, radiative transfer simulations, and Bayesian

analyses of observational data, e.g. (Perego et al. 2017;

Kawaguchi et al. 2018; Breschi et al. 2021).

3.3. Blue Kilonova

We calculate the broadband magnitudes of the kilo-

nova using the SNEC code, which models outflows as

spherically-symmetric. However, the actual ejecta mor-

phology is complex. The ejecta Ye, which directly sets

the opacity in our radiation transport treatment, shows

a significant dependence on latitude, with relatively low



6 Curtis et al.

0.000 0.001 0.002 0.003
Mass Coordinate [M�]

0.16

0.18

0.20

0.22

0.24

0.26
Ve

lo
ci

ty
[c

]

vr/c

8

10

12

14

16

Te
m

pe
ra

tu
re

[G
K

]

T9

0.000 0.001 0.002 0.003
Mass Coordinate [M�]

0.2

0.3

0.4

Y e
[-

]

Ye

0

2

4

6

8

10

12

O
pa

ci
ty

[c
m

2
g−

1 ]κ

0.0000 0.0005 0.0010 0.0015
Mass Coordinate [M�]

0.16

0.18

0.20

0.22

0.24

0.26

Ve
lo

ci
ty

[c
]

vr/c

8

10

12

14

16

Te
m

pe
ra

tu
re

[G
K

]

T9

0.0000 0.0005 0.0010 0.0015
Mass Coordinate [M�]

0.2

0.3

0.4

Y e
[-

]

Ye

0

2

4

6

8

10

12

O
pa

ci
ty

[c
m

2
g−

1 ]κ

Figure 4. Input profiles for SNEC showing averaged quantities for the NS remnant outflow as a function of mass coordinate.
The top two panels show the radial velocity (solid blue line) and temperature (dashed black line) of the total ejecta on the left,
and the corresponding Ye (solid blue line) and opacity (dashed black line) on the right. The bottom two panels show the same
quantities plotted for the polar ejecta.

values closer to the equator and values approaching 0.5

closer to the poles, as seen in Figure 1. This introduces a

viewing-angle dependence of the kilonova which cannot

be adequately captured by the averaged outflow profile.

We therefore compute the averaged profile of the ejecta
in the polar region in addition to the averaged profile of

the total ejecta.

Figure 4 presents the velocity, temperature, Ye and

opacity profiles of the NS remnant outflow used as input

for SNEC calculations. The two rows correspond to the

averaged profiles of the total ejecta and the polar ejecta

(contained within 42◦ as measured from the poles). The

Ye of the ejecta increases systematically as we move in-

ward in mass coordinate, reflecting the increase in the

Ye of the ejected material over time. Examining the to-

tal ejecta profile, we find temperatures around 12 GK

and velocities between 0.16–0.2c. Most of the ejecta have

Ye & 0.3, but a small amount of material present in

the outermost layers of the total ejecta profile has Ye .
0.2. This material was ejected at early times at lower

latitudes. Our opacity prescription assigns opacity val-

ues ∼10 cm2 g−1 to the outermost, low-Ye layer of the

ejecta, dropping as we move inward in mass coordinate

to ∼ 1 − 2 cm2 g−1 for the bulk of the total ejecta

with Ye & 0.3. The outermost high opacity ejecta may

serve as a lanthanide curtain (Kasen et al. 2015; Wol-

laeger et al. 2018; Nativi et al. 2021), absorbing blue

light and shifting the kilonova peak to redder bands.

Examining the polar ejecta only, we find temperatures

around 11 GK and relatively higher velocities between

0.20–0.24c. The corresponding profile shows distinctly

higher Ye than the profile for the total ejecta, with typi-

cal Ye & 0.35. Most importantly, the lanthanide curtain

nearly absent, given most of the low Ye material which

absorbs blue light lies close to the equator.

In Figure 5, we present the AB magnitudes in opti-

cal (ugriz) and near-infrared (JHKs) filters, computed

under the assumption of blackbody emission at the pho-

tosphere and for the layers above the photosphere. The

distance between the observer and the kilonova is taken

to be 40 Mpc, same as the approximate distance to

AT2017gfo. The black dotted line gives the evolution of
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Figure 5. AB magnitudes in ugrizJHKs bands. Top two rows: band light curves for the total ejecta and the polar ejecta. From
left to right, the band light curves correspond to the ejecta produced during the course of the simulation, and those produced
assuming a total remnant neutron star lifetime of ∼240ms and ∼1s, respectively. Bottom row: comparison with broadband
data for AT2017gfo, for the case where we obtain ∼0.02M� of ‘blue’ ejecta consistent with the blue kilonova component. The
aggregated broadband data plotted here were collected by multiple teams and compiled in Villar et al. (2017).

the effective temperature computed at the photosphere.

We present light curves for the total ejecta and the po-

lar ejecta, for the present simulation as well as under the

assumption of continued mass ejection by a longer-lived

NS remnant.

For the total ejecta profile, the brightest emission

is seen in the i and z bands. Due to the presence of

high opacity material in the outer layers, by the time

these ejecta expand enough to radiate efficiently, they

have also cooled down substantially. The majority of

the observed emission therefore happens at longer wave-

lengths. For the polar ejecta, where the outermost layer

of lanthanides is nearly non-existent, the light curve

peaks sooner and the brightest emission seen in the g

and r i.e. ‘blue’ optical bands. If we consider all ejecta

within a polar angle of 54◦, then the kilonova peaks in

the r and i bands instead.

The total ejecta mass in our simulations is an order

of magnitude lower than that estimated for the blue

component of AT2017gfo owing to the short lifetime of

the remnant. For longer-lived remnants (O ∼ 100 ms),

we expect the mass ejection to continue at the quasi-

steady-state rate until the NS remnant collapses. We

explore this possibility using extrapolated ejecta pro-

files assuming the appropriate mass ejection rates and

mean values for the relevant physical quantities. The re-

sulting kilonovae are also shown in Figure 5. We find a

range of outcomes, both respect to kilonova peak magni-

tude, timescale, and color. For the case where we obtain

∼ 2×10−2M� of ejecta, which is the total mass inferred

for the blue component of AT2017gfo, the blue kilonova

produced is broadly consistent with the early blue emis-

sion observed for AT2017gfo, as is shown in the bottom

row of Figure 5. The late time behavior arises from other

ejecta components.

4. SUMMARY AND DISCUSSION

We present a 3D GRMHD simulation of a short-

lived NS remnant formed in the aftermath of a BNS

merger. The simulation employs a microphysical finite-
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temperature EOS and an M1 scheme for neutrino trans-

port. A magnetized wind is launched from the short-

lived NS remnant and ejects neutron-rich material with

a rate 0.8 × 10−1 M�s−1. We compute nucleosynthe-

sis yields in these ejecta using tracer particles post-

processed with SkyNet. We also record outflow proper-

ties and map them to the SNEC code in order to predict

the resulting kilonova.

The ejecta Ye distribution is broad, similar to our pre-

vious work employing a leakage scheme, as well as other

studies in the literature. However, the distribution peaks

at relatively high values Ye & 0.3 at early times, and the

peak shifts to Ye & 0.4 at later times(Radice et al. 2022;

Zappa et al. 2023). Such high Ye values, in combina-

tion with the high velocity and mass ejection rate, make

magnetically-driven NS remnant ejecta (see Mösta et al.

(2020) for the importance of the inclusion of MHD for

these outflows) a distinct and potentially dominant com-

ponent of merger ejecta, and a promising source of blue

kilonovae. The bulk of the dynamical ejecta have much

lower Ye, albeit a comparable total mass, while the disk

winds have much lower velocities than the NS remnant

ejecta.

The production of r-process elements is suppressed

in these ejecta relative to the solar pattern. Depend-

ing on the neutrino luminosity employed during post-

processing, the ejecta lanthanide fractions can vary be-

tween 3.1 ×10−3 to a negligible amount. However, com-

bining the ejecta produced during the course of our sim-

ulation and the dynamical ejecta will result in an abun-

dance pattern that is close to solar.

The kilonova color depends on the viewing angle due

to the changing ejecta composition as a function of lati-

tude (Perego et al. 2017; Kawaguchi et al. 2018; Breschi

et al. 2021). The lower-Ye material present at lower lat-

itudes contains a larger mass-fraction of lanthanides,

while production of these isotopes is suppressed in the

high-Ye ejecta closer to the poles. Taking the total ejecta

into account in a spherically-symmetric radiation hydro-

dynamics simulation, we find peak magnitudes in the i

and z bands. However, for the polar ejecta, we find a

transient that peaks in the bluer g and r bands.

For longer-lived NS remnants, significantly more mass

can be ejected by the wind. Here, we find that a rem-

nant with a lifetime of ∼ 240ms can produce a blue

kilonova compatible with AT2017gfo. How long the NS

must survive in order to produce sufficient ejecta is esti-

mated based on the mass ejection rate, and is therefore

sensitive to the binary properties, the NS equation of

state, and the physics implemented in the simulation.

This is the first demonstration of the production of blue

kilonovae compatible with AT2017gfo from NS remnant

outflows based on high physical-fidelity GRMHD simu-

lations, and including M1 neutrino transport as well as

finite-temperature equation of state effects.

The dynamical merger ejecta synthesize substantial

amounts of lanthanides (Radice et al. 2016; Kullmann

et al. 2022; Radice et al. 2022; Just et al. 2023). Thus,

in combination with the NS remnant ejecta, a kilonova

with both blue and red components can be produced.

While the dynamical ejecta dominate the early emis-

sion in the equatorial region, they are not expected to

obscure the kilonova produced by the NS remnant out-

flows. The remnant neutron-star outflows are also much

faster than post-merger accretion disk winds, and thus

the production of an early blue kilonova should not be

affected by disk-wind component launched after the NS

remnant collapses to a black hole.

In this work, we have produced kilonova light curves

for NS remnant ejecta under the assumption of spherical

symmetry. In a follow up work, we will model a longer-

lived NS remnant with properties similar to GW170817

and perform multi-dimensional kilonova calculations,

tracking ejecta evolution from the moment of launch to

the kilonova phase. Our work complements ongoing ef-

forts to model populations of kilonovae and determine

observing strategies for upcoming surveys such as LSST

(Setzer et al. 2023; Ekanger et al. 2023). Such efforts

need to take the NS remnant outflows into considera-

tion in order to capture the full spectrum of kilonova

transients.
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Curtis, S., Mösta, P., Wu, Z., et al. 2023, MNRAS, 518,

5313, doi: 10.1093/mnras/stac3128

Cusinato, M., Guercilena, F. M., Perego, A., et al. 2022,

European Physical Journal A, 58, 99,

doi: 10.1140/epja/s10050-022-00743-5

Drout, M. R., Piro, A. L., Shappee, B. J., et al. 2017,

Science, 358, 1570, doi: 10.1126/science.aaq0049

Ekanger, N., Bhattacharya, M., & Horiuchi, S. 2023, arXiv

e-prints, arXiv:2303.00765,

doi: 10.48550/arXiv.2303.00765

Evans, P. A., Cenko, S. B., Kennea, J. A., et al. 2017,

Science, 358, 1565, doi: 10.1126/science.aap9580

Even, W., Korobkin, O., Fryer, C. L., et al. 2020, ApJ, 899,

24, doi: 10.3847/1538-4357/ab70b9

Just, O., Vijayan, V., Xiong, Z., et al. 2023, arXiv e-prints,

arXiv:2302.10928, doi: 10.48550/arXiv.2302.10928

Kasen, D., Fernández, R., & Metzger, B. D. 2015, MNRAS,

450, 1777, doi: 10.1093/mnras/stv721

Kasen, D., Metzger, B., Barnes, J., Quataert, E., &

Ramirez-Ruiz, E. 2017, Nature, 551, 80,

doi: 10.1038/nature24453

Kawaguchi, K., Shibata, M., & Tanaka, M. 2018, ApJL,

865, L21, doi: 10.3847/2041-8213/aade02

Kullmann, I., Goriely, S., Just, O., et al. 2022, MNRAS,

510, 2804, doi: 10.1093/mnras/stab3393

Lattimer, J. M., & Swesty, D. F. 1991, NuPhA, 535, 331,

doi: 10.1016/0375-9474(91)90452-C

Lippuner, J., & Roberts, L. F. 2015, ApJ, 815, 82,

doi: 10.1088/0004-637X/815/2/82

—. 2017, ApJS, 233, 18, doi: 10.3847/1538-4365/aa94cb

McCully, C., Hiramatsu, D., Howell, D. A., et al. 2017,

ApJL, 848, L32, doi: 10.3847/2041-8213/aa9111

Metzger, B. D., Thompson, T. A., & Quataert, E. 2018,

ApJ, 856, 101, doi: 10.3847/1538-4357/aab095

Morozova, V., Piro, A. L., Renzo, M., et al. 2015, ApJ, 814,

63, doi: 10.1088/0004-637X/814/1/63

Most, E. R., & Quataert, E. 2023, arXiv e-prints,

arXiv:2303.08062, doi: 10.48550/arXiv.2303.08062
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ABSTRACT

Using the GALEX archive, we have discovered extended structures around 10 AGB stars (out of

a total 92 searched) emitting in the far-ultraviolet (FUV) band. In all but one, we find the typical

morphology expected for a spherical wind moving relative to, and interacting with the ISM to produce

an astrosphere. The exception is V Hya whose mass-ejection is known to be highly aspherical, where

we find evidence of its large parabolic outflows interacting with the ISM, and its collimated, extreme

velocity outflows interacting with the circumstellar medium. For 8 objects with relatively large proper

motions, we find (as expected) that the termination-shock region lies in a hemisphere that contains the

proper motion vector. Radial intensity cuts for each source have been used to locate the termination

shock and the astropause’s outer edge. In a few objects, the cuts also reveal faint emission just outside

the astropause that likely arises in shocked ISM material. We have used these data, together with

published mass-loss rates and wind expansion velocities, to determine the total mass lost and duration

for each source – we find that the duration of and total mass in the shocked wind are significantly larger

than their corresponding values for the unshocked wind. The combination of FUV and far-IR data on

AGB astrospheres, provides a unique database for theoretical studies (numerical simulations) of wind-

ISM interactions. We show that a Cyclical Spatial Heterodyne Spectrometer on a small space-based

telescope, can provide high-resolution spectra of astrospheres to confirm the emission mechanism.

Keywords: stars: AGB and post–AGB, stars: mass–loss, stars: individual (U Ant,

EY Hya, R LMi, V Hya, RT Vir, R Hya, W Hya, RX Boo, RW Boo,

VX Eri), circumstellar matter
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1. INTRODUCTION

Most stars have winds, more or less throughout their active lives (i.e., while nuclear burning is

still ongoing at their centers). The mass-loss rates and expansion speeds vary as a function of

evolutionary phase and stellar mass. For example, for low-mass main-sequence (MS) stars like the

Sun, the mass-loss rate is ∼ 10−14M� yr−1, whereas for high-mass MS stars, e.g., OB stars, the

mass-loss rates are ∼ 10−6 − 10−5M� yr−1 (O-stars: e.g., Smith (2014)) and ∼ 10−9M� yr−1 (B-

stars: e.g., Krtička (2014)). Evolved low- and intermediate- mass stars lose mass at rates of ∼
10−7−10−5M� yr−1 range (e.g., Olofsson (2008)), but rates can reach as high as > 10−4M� yr−1 in

some objects.

The mass-loss from stars with MS masses in the 1 − 8M� range generally peaks during the

Asymptotic Giant Branch (AGB) evolutionary phase, when the stars are very cool (Teff . 3500 K),

luminous (L ∼10,000L�), and undergoing strong radial pulsations. At this stage, these stars

consist of a central C+O degenerate core, surrounded by He and H-shells which undergo nuclear-

burning, and a very large stellar envelope. The heavy mass-loss, believed to be driven by radiation

pressure on dust grains that condense in the cool material levitated above the photosphere as

a result of pulsations, produces a dusty, molecular (H2), spherical, expanding (expansion speed,

Ve ∼ 5−20 km s−1), circumstellar envelope (CSE) around the AGB star. The mass-loss from these

stars enriches the ISM with products of nucleosynthesis (incuding the biogenic elements C and N),

as well as dust grains, which play a crucial role in the formation of solar systems and planets. The

mass-loss rate history of these stars determines the course of their late evolution and final demise.

However, it has been a major observational challenge to trace the full history of heavy mass-

loss in these stars. The standard tracers of the mass-loss history from ground-based observations

are (i) millimeter-wave CO line emission from gas, and (ii) scattered light from dust in the CSE.

Observations of atomic hydrogen (HI) from the wind, generally resulting from the photdissociation

of H2 in the molecular wind, are usually strongly confused by Galactic emission, although it has

been possible to detect HI emission for a few stars (e.g., (Matthews et al. 2008, 2013, 2015)). CO

line-emission becomes undetectable, due to photodissociation by the interstellar UV field, at radii

typically . 2×1017 cm (or less) even for mass-loss rates as high as ∼ 10−5M� yr−1 (e.g., Saberi et

al. (2019); Ramstedt et al. (2020)), corresponding to a mass-ejection time-scale of about 6,500 yr

for a typical expansion velocity of 10 km s−1. Dust scattered light becomes undetectable due to

sensitivity at a comparable radius for smilar mass-loss rates, and the timescales probed are similar

(e.g., Mauron & Huggins (2006); Mauron et al. (2013)). Hence, both the progenitor mass, and

the total amount of mass ejected into the ISM, Mejecta (which depends on the envelope’s outer

extent – e.g. Mejecta ∝ rout, for a constant mass-loss rate at a constant expansion velocity) remains
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unknown. For example, in the case of IRC+10216, the best-studied mass-losing AGB star, the

CSE seen in the above tracers extends to about 200′′ (3.5× 1017cm), and the inferred ejecta mass

is only Mejecta ∼ 0.15M�, a small fraction of what this star has had to have lost, given its late

evolutionary phase.

The unexpected discovery of a bow-shock structure and a turbulent wake extending over

2◦ (∼4 pc) in the sky, towards the AGB star, Mira, in a GALEX far-ultraviolet (FUV) image

(Martin et al. 2007), resulted in a new method of probing the mass-loss history in AGB stars on very

long time-scales compared to the standard probes. Following the above discovery, very extended

shock structures were also found around the carbon stars IRC+10216 and CIT 6 in GALEX FUV

images (Sahai & Chronopoulos (2010); Sahai & Mack-Crane (2014)), who concluded that these

structures result from the interaction of these stars’ molecular winds with the interstellar medium

(ISM), as they move through the latter. A far-infrared survey of a sample of 78 evolved stars (AGB

stars and red supergiants), using the PACS instrument onboard the Herschel Space Observatory

revealed bow-shocks resulting from wind-ISM interactions in ∼ 40% of the sample (Cox et al. 2012)

(some of the objects in this study had been known previously to show similar far-IR emission, e.g.,

R Hya (Ueta et al. 2006), αOri (Ueta et al. 2008; Decin et al. 2012), R Cas (e.g., Ueta et al. (2010)),

and U Hya (Izumiura et al. 2011).

Surveys using all-sky archives have been used extensively to catalog and study bow-shocks around

massive stars (e.g., Peri et al. (2015); Kobulnicky et al. (2017); Brown & Bomans (2005)). We are

therefore carrying out a survey of GALEX images of a large sample of AGB stars, with the primary

goals of searching for and characterising extended circumstellar structures around these objects,

and using these to investigate their mass-loss history over unprecedented long time-scales, and its

implications for their evolutionary status.

In this paper, we present first results from a survey of objects for which long-exposure GALEX

images are available and have been examined so far. Future papers will focus on results from

surveying the full GALEX archive of images. From our current survey, we have found 10 objects

with extended UV emission1. We do not discuss emission from the central stars in this paper.

The plan of our paper is as follows. We first provide a summary of the archival data that we

analysed, and the methodology used to search for the presence of extended UV emission associated

with AGB stars (§ 2). In § 3, we present our observational results for each object in which we

found extended UV emission, together with the analysis used to characterise this emission. In

§ 4, we quantitatively analyze the wind-ISM interaction and discuss the implications of our results

1 this number excludes 3 objects detected previously – Mira, IRC+10216 and CIT 6
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for the mass-loss histories of these objects. In § 5, we present a model spectrum of the FUV

emission from an astrosphere assuming the current hypothesis for its origin, together with reference

to an instrumental concept that can carry out the spectroscopic observations required to test this

hypothesis. Finally, in § 6, we present the main conclusions of our study.

2. ARCHIVAL UV OBSERVATIONS

In our survey, we have first focused our attention on 92 AGB stars that lie in the fields-of-view of

long-exposure (>700 s) FUV GALEX images (Morrissey et al. 2005), generally taken as part of the

Medium Imaging Survey (MIS) and various Guest Investigator Programs (GI). The GALEX archive

(https://galex.stsci.edu) contains FUV and near-UV (NUV) images with a bandpass (angular

resolution) of 1344-1786 Å (4.5′′) and 1771-2831 Å (6.0′′), respectively, with a pixel size of 1.5′′×1.5′′

and a field-of-view (FOV) of 1◦.25. A total of 92 such objects were found. The associated FUV and

NUV images were downloaded from the archive, together with the associated GALEX point-source

FUV and NUV catalogs for these fields.

2.1. Image Analysis

We followed a similar methodology as in Sahai & Mack-Crane (2014) to search for faint UV

emission. First, all point sources listed in the UV point-source catalogs were removed using a

customised IDL routine which replaces a small region covering each star’s PSF with a tile of random

noise representative of the surrounding sky. The sky noise was sampled separately at the four

corners of each tile and linearly interpolated throughout, so as to preserve gradients in the local

sky background to first order. In some situations the field stars are not properly removed, this can

occur if there are many stars close together or if the star is very bright, in either case a residue is

left on the image. Two other artifacts that appear on the UV images are ghosts and hotspots. Both

artifacts appear as doughnut shapes and can be clearly identified with the original image. After

removing the point sources, the images are smoothed using IRAF’s Gaussian smoothing function,

“gauss”, with a FWHM of 5 pixels (7.′′5), except for for U Ant, where we used 3 pixels (4.′′5) as the

emission is relatively bright.

Since the emission is relatively faint in most cases, and emission associated with interstellar

“cirrus” is generally also present in the full circular field-of-view, we used the following criteria to

identify UV emission associated with our targets.

1. There is extended UV emission all around the star that peaks in some part of a reasonably

well-defined geometrical structure – the latter may be (a) circularly symmetric (ring), or have

either (b) a fan-shaped morphology or (c) a head-tail morphology, or (d) a combination of b

and c.
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2. There are extended regions of significantly lower-level (compared to the above) intensity

around the above structure that can be identified as the general ISM.

3. For each source with non-circular emission morphology, we looked for a rough axis of symmetry

for the structure, using the following strategy. The indicators we focused on were an increased

brightness along part of the structure and a (roughly) diametrically-opposed fainter tail. If

the structure had a tail we started our search directly across from the tail, for example if the

tail was aligned along, say, PA = 0◦ we looked for a brightening along PA = 180◦. If there

was no easily identifiable tail structure, then we looked for a relatively brighter section on the

periphery of the structure.

We then made radial intensity cuts averaged over an azimuthal wedge with its apex centered

on the star spanning a wide range in position-angles around the symmetry axis. We generally

used a fairly wide opening angle for the wedge, ∼ 80◦ in order to reduce sensitivity to local

bright spots in the FUV emission, since the FUV emission is quite faint and noisy. For each

cut, we visually traced the intensity from large radii (where the cut intensity is equal to the

average sky backgroud intensity) to smaller radii, and looked for a steep rise of the intensity

expected in the region of interaction of the stellar with the ambient medium. We checked that

this intensity rise is not sensitive to the opening angle of the azimuthal wedge, by inspecting

cuts with a range of opening angles (∼ 40◦ − 70◦).

The analysis of such radial intensity cuts for the astrospheres of IRC 10216 and CIT 6 shows that

the termination shock is located at the peak of the intensity rise (R1, Fig. 3 in Sahai & Chronopoulos

(2010)), and the thickness of the astrosheath2 is given by the distance between the peak and the

radius at the which the steeply falling intensity levels off (Rc, Fig. 3 in Sahai & Chronopoulos

(2010)), either to a low-intensity plateau region that is brighter than the average sky background,

or to the average sky background. The low-intensity plateau region likely represents emission

from swept-up ISM material between the outer edge of the astropause and the bow-shock interface

separating the shocked and unshocked ISM (R2, Fig. 3 in Sahai & Chronopoulos (2010)).

Using the above methodology, we found extended FUV structures around 10 stars. A log of

the image fits files for these sources, together with the exposure times, are given in Table 1.

We discuss these below, in order of increasing right ascension. One object, VX Eri, for which

the association is tentative, is discussed at the end. In Table 2, we list specific published stellar

properties (name (Col. 1)), Galactic coordinates (Cols. 2–3), proper motion (from GAIA DR3, Gaia

2 see Fig. 2d in Ueta (2008) for a definition of the terms termination shock, astrosheath, astropause, bow-shock used

to describe an astrosphere
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Collaboration (2022), Col. 4)3 and mass-loss properties derived from CO data and modeling (mass-

loss rate (Col. 6), radial velocity (Col. 7) wind expansion velocity (Col. 8)), and the assumed CO-to-

H2 abundance ratio (Col. 9) and adopted distance for the mass-loss estimation (Col. 5)). We also

list observed properties of the extended FUV emission related to the wind-ISM interaction, which

include an estimate of the average FUV intensity in the interaction region (Col. 11), the termination

shock radius (R1) and the outer radius of the astropause (Rc) extracted from the radial intensity

cuts (Cols. 12–13), and characteristics of the emission morphology (Col. 15). Conservative estimates

of the errors are (i) R1: . 5 %, when a sharp peak is seen at the termination shock, otherwise the

error is typically . 10 %, (ii) Rc: . 10 %, and (iii) R2: . 15 %.

For VX Eri no published CO data could be found, hence we have used its IRAS 60µm flux (0.62 Jy)

to derive a rough estimate of the dust-mass loss rate, Ṁ(d), using the methodology given by Jura

(1986). The bolometric flux, F = 1.55× 10−7 erg cm−2 s−1, and the mean wavelength for emission,

λe = 1.7µm required for this method, were estimated from the spectral-energy-distribution (SED),

extracted using the VizieR Photometry viewer (http://vizier.cds.unistra.fr/vizier/sed/) over the

0.35− 60µm range. The gas mass-loss rate was derived from Ṁ(d), assuming a typical gas-to-dust

ratio of 200; we also assume a typical circumstellar expansion velocity of 10 km s−1 for this object.

3. RESULTS

3.1. EYHya

The FUV image of EY Hya (Fig. 1) shows a head-tail structure around the star. This structure has

no counterpart in the NUV image. The long axis of this structure is closely aligned with EY Hya’s

proper motion vector4. We therefore infer that the western periphery of the head represents the

termination-shock of the astrosphere around EY Hya. The tail appears to consist of two long

filamentary stuctures – T1 (length∼ 340′′) and T2 (length∼ 520′′). The extended structure at 250′′

between PA = 25◦ and PA = 40◦ (Region A in Fig. 1) is not associated with EY Hya, but is due

to an imperfectly subtracted very bright point source located at an offset of 275′′ (at PA = 25◦)

from EY Hya, that left some residual brightness after being removed.

A radial intensity cut averaged over an azimuthal wedge with its apex centered on the star, and

spanning the range from PA=-60◦ to -140◦ (Fig. 2), shows a peak at radius r = 130′′, with a rapid

decline of the intensity for larger radii out to r ∼ 170′′. This is followed by a region of lower

FUV intensity, out to r ∼ 230′′ where its brightness becomes comparable to the surrounding sky

3 with the exception of W Hya, where we provide the Hipparcos value from van Leeuwen (2007), since it is not listed

in GAIA DR3
4 the proper motion for each source has been corrected for solar motion, see § 4.2.1; the corrected values are used in

all further reference to this parameter
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intensity. We infer a termination-shock radius of R1 = 130′′, and an outer radius of the astropause,

Rc ∼ 230′′. The low-intensity region in the range r ∼ 170′′ − 230′′ likely represents emission

from swept-up ISM material between the outer edge of the astropause and the bow-shock interface

separating the shocked and unshocked ISM.

3.2. RLMi

The FUV image of R LMi (Fig. 3) shows a partial ring-like structure around the star. This

extended FUV emission structure has no counterpart in the NUV image. A minor segment of the

ring structure is overlapped by two bright point sources within the circle labeled A in the images that

could not be removed. The ring structure is somewhat brighter overall in a semicircular azimuthal

wedge around PA∼− 120◦. A radial intensity cut averaged over an azimuthal wedge with its apex

centered on the star, and spanning a 320◦ azimuthal range around PA = 120◦ (Fig. 4), shows a

broad, flat-topped peak at radius r = 295′′, with a full-width at half-maximum of ∼ 90′′. The

intensity declines rapidly beyond radius r & 320′′, reaching the brightness level of the surrounding

sky intensity at r & 375′′. It is not clear exactly where the termination-shock resides within the

broad intensity hump, as a compromise we assume that it resides in the middle, at R1 = 295′′; the

outer radius of the astropause lies at Rc ∼ 375′′. The proper motion of this star is relatively small

(2.4 mas yr−1), consistent with the roughly circular shape of its astrosphere.

3.3. UAnt

The FUV image of U Ant (Fig. 5) shows a ring-like structure around the star. This extended FUV

emission structure has no counterpart in the NUV image. The FUV ring is much larger than the

ring-like structure observed in the radial intensity cuts of Herschel/PACS images at a radius of 42′′

(Kerschbaum et al. 2010; Cox et al. 2012). Although the FUV emission can be seen all around the

star, it is significantly brighter between position angles of ∼ −160◦ to ∼ −40◦, encompassing the

direction of the star’s proper motion. We infer that this bright region represents the termination

shock of the astrosphere resulting from the interaction of star’s wind with the ISM, and its symmetry

axis is oriented at PA∼ −100◦. However, we note the possible presence of a very faint tail in the

FUV emission that extends towards the south-west direction, suggesting that the symmetry axis of

the astrosphere is at PA∼ −45◦. A radial intensity cut averaged over an azimuthal wedge with its

apex centered on the star, spanning the range from PA=-60◦ to -140◦ (Fig. 6), shows a prominent

peak at radius r = 175′′, with a rapid decline of the intensity for larger radii out to r ∼ 255′′.

This is followed by a shallow decline in a region of low FUV intensity, out to r ∼ 420′′, where

its brightness becomes comparable to the surrounding sky intensity. We infer a termination-shock

radius of R1 = 175′′, and an outer radius of the astropause, Rc ∼ 255′′. The low-intensity region in
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the range r ∼ 255′′−420′′ likely represents emission from swept-up ISM material between the outer

edge of the astropause and the bow-shock interface separating the shocked and unshocked ISM.

A secondary weaker peak is seen in FUV intensity cut at r = 105′′ – the PACS 160µm imaging of

U Ant shows faint patchy emission beyond 42′′ ring, but lack the sensivity to reveal a counterpart

to the FUV peak. Since this peak lies interior to the termination-shock, we suggest that it is the

result of a wind-wind interaction similar to the one that has been postulated for the 42′′ ring.

Izumiura et al. (1997) found, using IRAS 60µm and 100µm imaging, two extended dust shell

structures in U Ant; they used these data to construct a double-shell model of this source. Their

inner shell with a median radius of 51′′ likely corresponds to the shell seen in the PACS images;

their outer shell, which is separated from the inner one by 150′′ likely corresponds to the astrosphere

directly revealed in the FUV images.

3.4. VHya

The FUV image of V Hya is complex, with a central elongated feature oriented east-west, and two

large, roughly elliptical ring-like structures (Fig. 7). These structures have no counterpart in the

NUV image. The central elongated structure may be associated with the interacting of the extended

extreme-velocity highly-collimated blobby outflows seen both in CO millimeter-line emission (Sahai

et al. 2022)) as well as optical line emission (Sahai et al. (2016); Scibelli et al. (2019)) with the

ambient circumstellar medium.

The centers of the FUV emission rings lie along a roughly east-west axis. The ratio of major-to-

minor axis of the rings is ∼ 1.45 – assuming these are intrinsically circular, we conclude that the

their axis is inclined by ∼ 45◦ to the sky-plane. A similar orientation has been found for the axes of

the rings seen in the disk around V Hya via CO millimeter-line imaging (Sahai et al. (2022)). The

FUV rings may be associated with the large high-velocity bipolar parabolic outflows seen in V Hya

via CO millimeter-line imaging, whose axes are also aligned roughly east-west (Sahai et al. (2022)).

In this scenario, the FUV emission would result from molecular H2 interaction with the ISM or the

circumstellar medium resulting from a spherical, slowly-expanding wind from V Hya. Some excess

FUV emission (over the average sky background) is seen near the transverse structure labelled T.

The major axes of the FUV elliptical ring-structures is about 750′′, roughly a factor 35 larger

than the widest extent of these outflows as seen in CO emission (∼ 20′′), showing that these

outflows have been operating for a much longer time-scale (tout(FUV )) than could be estimated

from the CO data (tout(CO)). A rough estimate of tout(CO) can be made from dividing the

radial distance between the star and the tip of the outflow seen in Fig. 13d of Sahai et al. (2022)

(16′′ × 311 pc/cos i=7035 au), where i ∼ 45◦ is the inclination angle of the outflow axis to the
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sky-plane, by an estimate of the expansion velocity of the material there, Vout, assuming radial

expansion. Correcting for projection, the radial velocity offset of the CO emission seen in Fig. 13d

of Sahai et al. (2022) at 47 km s−1 from the systemic velocity (−17.4 km s−1) of 64.4 km s−1 implies

a 3D expansion velocity of ∼ 185 km s−1, which results in an expansion age of tout(CO) ∼ 180 yr.

Assuming the same expansion velocity for the material seen in the FUV elliptical ring, but located

at a projected radial distance that is about a factor 25 larger than that seen in CO, we find an

expansion age of tout(FUV ) & 4500 yr. This age is a lower limit because the material seen in FUV

emission must have slowed down due its interaction with the ambient medium.

Because the FUV rings have elliptical shapes, the use of a large angular-wedge for a radial

intensity cut signficantly dilutes the intensity peak produced by the rings. Hence we have made a

20◦-wide cut around PA = −90◦ to estimate the radius of the western outflow’s interaction with

the ISM. The cut (Fig. 7) shows a peak at r ∼ 365′′ that corresponds to the western-most part of

the elliptical ring centered the west of the star (dashed-black ring in Fig. 7), along its minor axis. A

less prominent hump is seen at r ∼ 135′′ that corresponds to the western-most part of the elliptical

ring centered east of the star (dashed-dotted white ring in Fig. 7).

There is no obvious indication of the interaction of a spherical wind with the ISM.

3.5. RTVir

The FUV image of RT Vir shows an elongated head-tail structure, with a bow-shock like shape

east of the star, and an extended tail to its west. This extended FUV emission structure has

no counterpart in the NUV image. The long axis of this structure is aligned along PA ∼ 192◦,

i.e., very close to that of the proper-motion vector (Fig. 9). We therefore infer that this structure

represents the termination-shock of the astrosphere around RT Vir. A radial intensity cut averaged

over an azimuthal wedge with its apex centered on the star, and spanning the range from PA=65◦ to

145◦ (Fig. 10), shows a peak at radius r = 65′′, with a fast decline of the intensity for larger radii

out to r ∼ 95′′. This is followed by a shallower decline in a region of low FUV intensity, out to

r & 240′′, where its brightness becomes comparable to the surrounding sky intensity. We infer a

termination-shock radius of R1 = 65′′; and an outer radius of the astropause, Rc ∼ 95′′. The low-

intensity region in the range r ∼ 95′′− 240′′ likely represents emission from swept-up ISM material

between the outer edge of the astropause and the bow-shock interface separating the shocked and

unshocked ISM.

There is a locally bright extended structure near the end of the tail (Region A) that may or may

not belong to the astrosphere.

3.6. RHya
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The FUV image of R Hya shows an elongated fan-shaped structure, with a bow-shock like shape

to the west of the star (Fig. 11). This extended FUV emission structure has no counterpart in the

NUV image. The symmetry axis of this structure is aligned along PA ∼ −82◦, i.e., within 32◦ of

the proper-motion vector; we infer that this structure represents the astrosphere around this star.

A similar wide fan-shaped structure has been seen in the far-infrared at 70µm with Spitzer (Ueta et

al. (2006)) and 70 and 160µm withPACS (Cox et al. (2012)), but appears to be much more limited

in extent compared to the FUV fan structure. The maximum north-south (east-west) extent of the

fan structure as seen in the PACS 70µm image is ∼ 340′′ (∼ 385′′), as denoted by dashed vertical

(horizontal) magenta vectors in Fig. 11 – these vectors lie well within the FUV emission structure.

Cox et al. (2012) derive a termination-shock radius of 93′′ from their far-IR imaging.

A radial intensity cut of the FUV emission around R Hya, averaged over an azimuthal wedge

(spanning the range from PA = −123◦ to −43◦) with its apex centered on the star (Fig. 12), show

a steep decline in the intensity starting at r & 120′′ and reaching the background sky level at

r ∼ 145′′. We infer that the termination-shock radius is R1 = 120′′, which is larger than the value

derived from the far-IR data. Narrowing the opening angle of the azimuthal wedge to 40◦, makes

no significant difference to the radial intensity distribution. We do not find any indication of a

dramatic change in the radial FUV intensity at ∼ 93′′. We infer an outer radius of the astropause,

Rc ∼ 145′′.

3.7. WHya

The FUV image of W Hya shows an overall head-tail morphology, but with an amazingly extensive

and complex structure (Fig. 13), that includes both azimuthal and radial features. The NUV image

of W Hya does not show these structures. Amongst the azimuthal features, there are partial ring-

like structures that produce noticeable intensity peaks in a radial intensity cut, averaged over an

azimuthal wedge with its apex centered on the star, covering the azimuthal range PA = 95◦ to 235◦

(this range is selected to be as wide as possible but still avoid bright radial features; Fig. 13). A

strong, sharp intensity peak at r = 65′′ is due to the presence of a ring of the same radius, also seen

in a 70µm PACS images (Cox et al. (2012)). This is followed by a weaker, but sharp intensity peak

at r = 160′′, and a broader, asymmetric peak with its centroid at r ∼ 220′′. There are counterparts

to each of these peaks in the 160µm PACS radial intensity cuts; Cox et al. (2012) list only the outer

one (at r ∼ 230′′) in their study. These intensity peaks correspond to partial ring-like structures

in the FUV image. There are several large azimuthal structures at larger radial distances (marked

T1–T3).
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Numerous radial features (both close to and far away from star) are also seen in the FUV image

– some of these may represent collimated outflows. These are labelled as A, B, ... G. Features A,

B, and C show diametrically-opposed pairs (denoted with subscripts 1 and 2, e.g., A1 and A2),

i.e. and may be bipolar outflows. The tail region extends towards the north-north-west (features F

and G). We find radial features in the PACS 70 and 160µm images of W Hya from the Cox et al.

(2012) study, located at position angle similar to those of outflows A1, A2, (B2+D), (C1+B1) and

(F+G)5. Cox et al. (2012) mention only the counterpart to the A1 outflow (as a jet-like extension

pointing roughly north-east), but not the other radial features.

We infer that the outermost (rather broad) radial intensity peak at r ∼ 220′′ corresponds to

the interaction of W Hya’s wind with the ISM. A plausible explanation of the innermost peak at

r = 65′′ is that it results from the interaction of a higher-expansion velocity episode of enhanced

mass-loss interacting with an older, lower-density, slower wind. Such a modification of mass-loss

rate and expansion velocity can result from a thermal pulse, and is the preferred explanation for

the presence of the “detached” shells seen in a number of carbon stars (Olofsson et al. (2010) and

references therein). The ring at r = 160′′ may have a similar origin as the one at r = 65′′.

3.8. RWBoo

The FUV image of RW Boo (Fig. 15) shows relatively bright emission in a ∼180◦ wedge around

PA ∼ −90◦, suggesting that the termination-shock lies west of RW Boo with a east-west symmetry

axis. This extended FUV emission structure has no counterpart in the NUV image. However, we

also see faint tail structures south-east of the star, characterised by enhanced emission in patches

labeled Tail(1), Tail(2) and Tail(3), suggesting that the symmetry axis of the astrosphere lies

along PA ∼ −35◦. However, the proper motion vector is directed along PA = −4◦, closer to the

orientation of Tail(1), suggesting that the latter defines orientation of the symmetry axis.

Assuming that the symmetry axis is one that bisects the tail region, we have made a radial

intensity cut averaged over an azimuthal wedge with is apex centered on the star, spanning the

range from PA = −75◦ to 5◦ (Fig. 15). The cut shows a sharp peak at r = 260′′ followed by a

steep decline to the average sky background intensity at r ∼ 310′′ – we therefore infer a termination

shock radius, i.e., R1 = 260′′, and an astrosheath outer radius of Rc = 310′′. Radial intensity cuts

assuming an east-west symmetry axis yield similar results.

5 we have grouped together the FUV outflows that appear as one azimuthally-broad feature in the far-IR. Features

F + G cannot be distinguished from the bright FUV emission in the near-vicinity of the star, but we find an

azimuthally-broad far-IR feature in this region that roughly spans the azimuthal range covered by F and G



12

There is a possible low-intensity region in the range r ∼ 310′′−425′′ that likely represents emission

from swept-up ISM material between the outer edge of the astropause and the bow-shock interface

separating the shocked and unshocked ISM.

3.9. RXBoo

The FUV image of RX Boo (Fig. 17) shows a bow shock structure to the south-south-east side of

the star. The symmetry axis of this structure is somewhat uncertain – one possibility is SymAx 1,

at PA∼ 170◦ which bisects the “nose” structure in the bow-shock; a second possibility is SymAx 2,

at PA∼ 140◦ which bisects a spiny structure north-west of the star that may be the astrosphere’s

tail. The proper motion vector lies much closer to SymAx2 than SymAx1, suggesting that SymAx1

is the symmetry axis of the astrosphere.

We have made radial intensity cuts of the FUV emission around RX Boo, averaged over azimuthal

wedges with their apexes centered on the star, and spanning the range from PA = 150◦ to

190◦ (around SymAx 1) or PA = 120◦ to 160◦(around SymAx 2) (Fig. 18) – these wedges avoid

Regions A and B, which result from imperfectly-subtracted bright point sources. Both cuts show a

broad hump centered at r ∼ 320′′. In the cut around SymAx 1 the hump has a peak at r ∼ 300′′, a

local minimum, a more pronounced peak at ∼ 350′′ and then a steady decline. In the cut around

SymAx 2, the hump shows a peak at r ∼ 300′′ followed by a steady decline at r & 340′′. An average

of the two cuts shows two small peaks at r = 300′′ and r = 350′′ followed by a steady decline. We

take the average of the locations of the two peaks as an estimate of the termination shock radius,

i.e., R1 = 325′′; the astrosheath outer radius is estimated to be Rc = 460′′.

3.10. VXEri

The FUV image of VX Eri (Fig. 19) shows extended emission around the star. No such structure

is seen in the NUV image. Unfortunately, VX Eri is located close to the edge of the FUV detector,

so we are likely not seeing the full structure of the extended emission. The proper motion vector of

VX Eri is directed towards PA = −168.6◦. Hence, the emission that is seen towards the north-east

and north of the star, may represent part of the astrosphere’s tail. In this case, we would expect the

termination-shock intensity to peak in the opposite direction, i.e., towards the south and south-west,

but we mostly see bright emission in the south-west quadrant. We therefore consider the detection

of an astrosphere around VX Eri as tentative. We have made a radial intensity of the FUV emission

around VX Eri, averaged over an azimuthal wedge with its apex centered on the star, covering the

azimuthal range PA = 100◦ to 180◦ (Fig. 19). The cut shows a broad peak at r ∼ 280′′, followed

by a decrease in intensity at r ∼ 290′′, then a local minimum, and then a second peak at r = 300′′,

with a final steady decline to a plateau region starting at r ∼ 460′′. The background sky intensity
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is reached at r ∼ 580′′. We take the average of the two peaks near the edge of the bright UV region

as a rough estimate of the radius of the termination shock, R1 = 290′′; the astrosheath outer radius

is estimated to be Rc = 460′′. The plateau region in the range r ∼ 475′′ − 580′′ may represent

emission from swept-up ISM material between the outer edge of the astropause and the bow-shock

interface separating the shocked and unshocked ISM.

4. ASTROSPHERES AND MASS LOSS

Out of the 92 objects with long-exposure (>700 s) FUV images examined for our survey, we found

10 objects with extended FUV emission. In these objects, with the exception of V Hya, we find the

typical shock morphology expected for a spherical wind moving relative to, moving relative to, and

interacting with, the ISM, in all objects (tentatively in VX Eri). For the latter, we find evidence of

(i) its large parabolic outflows interacting with the ISM, and (ii) its collimated very hgh velocity

outflows interacting with the circumstellar medium. We exclude it from further discussion and the

astrosphere analysis (below) because the wind-ISM interaction in it cannot be analysed using the

equations that govern a spherical wind-ISM interaction.

Excluding V Hya, eight out of the nine objects have relatively large proper motions, and we find,

as expected that the termination-shock region lies in a hemisphere that contains the proper motion

vector. For 5 of these 8 objects (EY Hya, RT Vir, R Hya, RW Boo, and RX Boo) the symmetry axis

of the termination-shock lies within . ±30◦ of the proper motion vector. Of the remaining three

(U Ant, W Hya and VX Eri), we don’t have a full image of the astrosphere for VX Eri. For U Ant,

the symmetry axis is quite uncertain (see § 3.3, so the angle between the proper motion vector and

the former could be anywhere in the range 20◦ − 35◦. W Hya is thus the only source with a large

proper motion, where it is clear that the termination shock is brightest in an azimuthal wedge offset

by more than ∼ 60◦ from the proper motion vector. This suggests that the ambient ISM material

around W Hya has a significant streaming velocity directed roughly westwards; alternatively, our

inference about its astrosphere is incorrect – we discuss this in more detail below (§ 4.2.2). We note

that like W Hya, the astrosphere of CIT 6 also displays a relatively large azimuthal offset between

the proper motion vector (PA = −60◦) (Fig. 21) and the symmetry axis of the termination shock

(PA ∼ 2◦, (Sahai & Mack-Crane 2014)).

The proper motion of R LMi is relatively small (2.4 mas yr−1) compared to the other objects

(∼ 12′′ − 79′′, Table 2), consistent with the roughly circular shape of its astrosphere.

4.1. Detection Statistics and FUV Extinction
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The fraction of AGB stars with wind-ISM interactions detected via emission in the GALEX

FUV band6 appears to be relatively low, ∼ 0.14, especially in comparison to far-IR observations,

which is ∼ 0.4 based on the Cox et al. (2012) study. Although a full consideration of sample

selection biases in our study and that of Cox et al. (2012) is outside the scope of this paper7, an

obvious factor that makes it relatively more difficult to detect FUV emission than far-IR emission is

interstellar extinction. This extinction depends both on the object’s distance and the height above

the Galactic plane, z. We have derived the broad-band extinction in the GALEX FUV band for all

our survey sources as follows: (i) the visual extinction AV for each source was computed using the

the GALExtin (http://www.galextin.org) tool (Amôres et al. (2021)), which estimates interstellar

extinction based on both available 3D models/maps and distance Amôres & Lépine (2005), (ii)

the FUV extinction, AFUV , was computed using the values of AFUV /EB−V and AV /EB−V for

the Milky Way in Table 2 of Bianchi (2011). The distribution of AFUV for the undetected objects

peaks at ∼ 0.25 (excluding a few outliers), with a full-width at half-maximum of 0.25, thus not

significantly different from that for our small sample of detected objects. Hence it is unlikely that

FUV extinction is the primary reason for the non-detection of FUV emission in the majority of

the survey sample. More likely, other parameters that affect the presence and brightness of the

wind-ISM interaction may be responsible such as the past history of mass-loss on long timescales

(∼ 105 yr), the relative motion between the star and the ISM, and the local ambient density of the

ISM (see below).

4.2. Analysis of the Wind-ISM Interaction

We now use our estimates of the radius of the termination shock, and the thickness of the

astrosheath (listed in Table 2), for each of our targets where we can identify such structures, to

derive various parameters characterising the mass-ejection history in these objects, following the

methodology described by Sahai & Mack-Crane (2014). These parameters, listed in Table 3, include

the relative velocity between the star and the ISM (Col. 14), the duration of, and total mass in, the

unshocked wind (Cols. 15–16), the duration of, and total mass in, the shocked wind (Cols. 15–16),

and the total ejected mass (Col. 19), together with additional parameters relevant for the derivation

of these parameters. We have adopted distances to our targets from Andriantsaralaza et al. (2022),

and when those are not available, from Bailer-Jones et al. (2021) (Col. 2, Table 3). The mass-loss

rates in Table 2 have been scaled to (i) the adopted distances, and to (ii) a common value of the

CO-to-H2 abundance ratio – 3× 10−4 for O-rich stars, and 10−3 for C-rich stars (Col. 12, Table 3).

6 including the previously detected AGB stars, Mira, IRC+10216, and CIT 6
7 these biases will be discussed in detail in a follow-up paper which will cover the full survey
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The largest uncertainty in the analysis described below is due to (i) uncertainties in the mass-loss

rates, and (ii) assuming that the mass-loss rates and expansion velocties are constant with time.

In brief, we estimate the star’s relative velocity V∗ through the surrounding ISM using the

relationship between l1, the distance of the termination shock from the star along the astropause’s

symmetry axis (i.e., the termination-shock standoff distance), and V∗ using Eqn. 1 in van Buren &

McCray (1988). We reproduce this equation below for convenience, as given in Sahai & Mack-Crane

(2014), who made a correction to the original equation (missing minus sign in the exponent of µ̄H

in Eqn. 1 of van Buren & McCray (1988)):

l1(cm) = 1.74× 1019 (Ṁ∗,−6Vw,8)1/2 (µ̄H nISM)−1/2 V −1∗,6 (1)

where Ṁ∗,−6 is the stellar mass-loss rate in units of 10−6M� yr−1, Vw,8 is the wind velocity in

units of 103 km s−1, µ̄H is the dimensionless mean molecular mass per H atom, and nISM is the

ISM number density in cm−3.

We make the simplifying assumption that the astropause’s symmetry axis lies in the sky-plane,

i.e., the inclination angle, φ = 90◦, hence l1 = R1. We estimate the density of atomic and

ionized hydrogen near each object (Cols 8–9, Table 3) based on its location in the Galaxy (i.e.,

Galactocentric radius R and height z above the Galactic plane, Cols. 5–6, Table 3) as described

by Sahai & Mack-Crane (2014) using published models (Kalberla & Kerp (2009); Gaensler et

al. (2008)), and sum them to estimate the total ISM density. The duration (Pw) of, and total

mass (Mw) in, the unshocked wind (i.e., within r ≤ R1) is estimated from the mass-loss rate and

expansion velocity of the unshocked wind. The duration of mass-loss corresponding to the shocked

wind in the astropause (R1 < r < Rc), Ps, is estimated using its width (Rc − R) and an estimate

of the expansion velocity in this region, Vs, assuming that the shock is adiabatic (see Sahai &

Mack-Crane (2014) for details). The values for Ps are likely to be lower limits for objects in which

the astrosheath width, as a fraction of the termination-shock radius, (Rc-R1)/R1, is significantly

less that 0.47, expected for the adiabatic case (see Eqn. 2 of van Buren & McCray (1988)).

4.2.1. Velocity of Stars relative to the local ISM

We compare the values of the relative velocities between the stars and their local ISM, V∗

(derived from our analysis above) to their peculiar space velocities, Vt (derived using their

local-standard-of-rest (LSR) radial velocities from CO mm-wave line observations, tangential

proper motions from GAIA DR3, and distances.) We have corrected Vt for solar motion v�

[(U, V,W ) = (8.5, 13.38, 6.49) km s−1] (Coşkunoǧlu et al. 2011). We also assume, as in (Cox et al.

2012), that the local ISM for each star is at rest relative to the LSR – this is a simplification for
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cases where the ISM may have a significant flow relative to the LSR, e.g., due to the presence of

expanding super-bubbles (e.g., as found for αOri by Ueta et al. (2008)).

We find that for 5 objects, EY Hya, R LMi, U Ant, RT Vir, and R Hya, there is reasonable

agreement between V∗ and Vt (i.e., within a factor . 2), considering (i) the uncertainties in the

mass-loss rates based on CO data, Ṁw,0, which are easily a factor few (due to uncertanties in a

variety of factors, such as the CO-to-H2 abundance ratio and the outer radius of the CO-emitting

circumstellar envelope, together with the use of empirical formulae or models that do not properly

account for heating-cooling processes that determine the radial kinetic temperature distribution

Sahai (1990)), and (ii) intrinsic variations in the mass-loss rate over the very long periods (typically

∼ 105 yr, see below) probed by the UV data. However, the discrepancies between V∗ and Vt for the

other 4 objects – VX Eri, W Hya, RW Boo and RX Boo – are much larger, although we may exclude

VX Eri in this comparison, since we classify it’s astrosphere as a tentative detection, and its gas

mass-loss rate (expansion velocity) are unknown and estimated from the dust-mass loss rate (with

an assumed gas-to-dust ratio). Since V∗ scales as (Ṁ Ve)
1/2, and given that Ve can be determined

fairly reliably (typically to ±15% or better) from the CO line profiles, relatively large changes in

Ṁ (& 10) are required to make V∗ comparable to Vt. We note that for six out of nine stars with

astrospheres, V∗ is less than Vt, suggesting that Ṁ was significantly higher in the past.

4.2.2. Duration of Mass-Loss and Total Ejected Mass

Our results show, that as for IRC+10216 and CIT 6, the FUV emission traces the AGB stellar

wind in our objects to much larger distances from the star, and therefore probes a much longer

history of mass-loss, than typical mass-loss indicators such as CO mm-wave line emission which

becomes undetectable, due to photodissociation by the interstellar UV field, at radii typically .

2×1017 cm (or less) even for mass-loss rates as high as ∼ 10−5M� yr−1, hence probing mass ejection

over a mere 6,500 yr (assuming a typical expansion velocity of 10 km s−1). Far-IR observations can

similarly probe the very extended mass-loss histories (e.g., Cox et al. (2012) and references therein)

but these are sensitive to a minor component of the mass-ejecta, i.e., dust. We compare the FUV

and far-IR results for the 6 objects that are common between our study and the far-IR studies

(U Ant, R Hya, W Hya, RT Vir, V Hya and RX Boo).

For two of these (U Ant, R Hya), we find that the wind-ISM interaction region lies at a significantly

larger radius than could be seen in the far-IR data. In U Ant, the shell seen at r ∼ 42′′ in he far-IR

is due to a wind-wind interaction; we find, from the FUV data, a wind-ISM interaction region at

r ∼ 175′′. In R Hya, a shell at r = 93′′ is seen in the far-IR; we find, from the FUV data, a wind-ISM

interaction region at r ∼ 120′′.
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In W Hya, a shell at r = 93′′ is seen in the 70 and 160µm imaging, and a more distant one at

r ∼ 230′′ only at 160µm, the latter corresponds to the radius of the termination shock that we find

from the FUV data. In RT Vir, Maercker et al. (2022) derive a termination-shock radius of 85′′

from the far-IR imaging8, whereas the FUV data shows it to be smaller (65′′).

In V Hya and RX Boo, Cox et al. (2012) did not find any emission related to a wind-wind or

wind-ISM interaction.

We find that the duration of and total mass in the shocked wind (Ps, Ms) are significantly larger

than their corresponding values (Pw, Mw) for the unshocked wind for all 9 objects that show a wind-

ISM interaction – this result is qualitatively consistent with that derived in the study by Maercker

et al. (2022), who have modeled the far-IR data from Cox et al. (2012) to derive dust masses in

the interaction regions, and made estimates of the crossing time (time taken for material to reach

the interaction region, therefore equivalent to Pw) and build-up times (time taken by stellar wind

to build up the mass in the interaction region, therefore equivalent to Ps). Comparing results for

the 3 objects with wind-ISM interaction that are common between Maercker et al. (2022) and our

study, we find that Ps/Pw for RT Vir, R Hya, and W Hya, is 5.5, 2.5, and 3.8, compared to 2.9, 2.6,

and 12.5, respectively, from Maercker et al. (2022)9.

For five out of nine objects (EY Hya, R LMi, R Hya, W Hya, and RX Boo), the values of (Rc-

R1)/R1 are significantly less than 0.47 (Table 2), showing that the shocked gas has cooled down

significantly – hence, Vs is less than the adiabatic value, and the value of Ps, and consequently, Ms

and Mt for these objects (Table 3) are lower limits.

It is instructive to compare the total ejecta masses (Mt) that we derive for our sample of AGB

stars to the mass that needs to be ejected before an AGB star begins its post-AGB journey, which

is &0.5M� for stars with MS progenitor masses of & 1M� (Miller Bertolami (2016)). We find that

for all objects, except U Ant, Mt << 0.5M�. This suggests that these stars are still far from the

end of their AGB lifetimes. Even if the mass-loss rates were significantly higher in the past for the 5

stars where we find Vt >V∗ (i.e., EY Hya, R Hya, W Hya, RW Boo, and RX Boo; we exclude VX Eri

in this consideration for reasons above, see § 4.2.1), and we scale up the mass-loss rate for these in

order to make V∗=Vt, the scaled-up values of Mt are still significantly below 0.5M�. Although

for 4/5 of these stars, the value of Mt is likely a lower limit because the actual value of the shock

velocity Vs is likely lower than the one derived assuming no cooling (see § 4.2), only for one of these

8 although Cox et al. (2012) detected the wind-ISM interaction for this object, they did not provide a value for the

termination-shock radius
9 we exclude U Ant in this comparison, since it does not show the wind-ISM interaction in the far-IR
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(EY Hya) is the scaled-up value of Mt high enough (0.17M�) that a further increase resulting from

a plausible decrease in Vs due to cooling could raise it to ∼ 0.5M�.

The remaining 3 stars (R LMi, U Ant, and RT Vir) have Vt <V∗, hence the mass-loss rate, and

thus Mt would have to be lower, in order for V∗=Vt. U Ant is a carbon star, and believed to have

descended from a progenitor of mass 3.6M�, slightly above the average of the range of progenitor

masses of carbon stars (2.5–4M�) (Kastner & Wilson (2021)), and so even though for it, Mt ∼ 1M�,

it is also not close to transitioning to the post-AGB phase. Amongst the other two C stars with

previously detected astrospheres in the UV, IRC+10216 and CIT 6, only IRC+10216 shows a large

enough ejecta mass (∼ 1.4M�: Sahai & Chronopoulos (2010)) that it can be considered very close

to transitioning to the post-AGB evolutionary phase.

The morphology of the FUV emission towards W Hya is remarkable, showing an unprecendented

variety of azimuthal and radial structures, and indicating a fairly complex mass-loss history

that includes multiple spherical and collimated outflows. The presence of collimated outflows is

surprising, considering that these generally manifest themselves during the very late AGB or the

early post-AGB phase, i.e., the pre-planetary nebula phase (e.g., Sahai & Trauger (1998); Sahai et

al. (2011)), whereas, based on the small inferred value of ejected mass in it, W Hya is still very far

from the end of its AGB lifetime. A possible solution to this predicament is that W Hya is actually

near the end of its AGB lifetime, and that its wind-ISM interaction region lies at a much larger

radius than inferred from our current analysis, but is too faint to be seen. In this scenario, R1 (and

thus l1) would be larger, and the past mass-loss rate would have to be much higher in order to

reconcile the value of V∗ with Vt – e.g., with R1 (and Rc) a factor 2 larger, the value of Mt would

be ∼ 0.55M� (or even higher if Vs was lower than its adiabatic value.)

4.3. Comparison with Theory

Our FUV imaging enables us to detect an important component of the wind-ISM interaction

that is expected from theory, but cannot be distinguished in the far-IR studies of astrospheres –

namely, the region between the outer edge of the astropause and the bow-shock interface separating

the shocked and unshocked ISM. As noted earlier, in 5 objects (VX Eri, EY Hya, U Ant, RT Vir,

VX Eri) we can see a faint FUV emission “plateau” from this region in the radial intensity cuts,

that lies just beyond the region of steeply declining intensity that characterises the astrosheath.

This faint emission likely arises in the shocked ISM. Such bow-shock emission has also been found

in the astrospheres of IRC+10216 (Sahai & Chronopoulos 2010) and CIT 6 (Sahai & Mack-Crane

2014).
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We note that while the FUV emission from some of the astrospheres found in our study shows

the expected limb-brightened appearance as seen in IRC+10216 and CIT 6 (e.g., R LMi, U Ant,

RX Boo, and possibly VX Eri), the others show a “filled” appearance, i.e., the average brightness of

the emission interior to the termination-shock is comparable to that at the shock (EY Hya), or in

fact rises inwards (RT Vir, R Hya, and W Hya)10. The ‘filled” objects may result from various kinds

of hydrodynamic fluid instabilities revealed in numerical simulations of the wind-ISM interaction.

The FUV data on wind-ISM interactions presented in our study can be very useful for providing

strong constraints on numerical hydrodynamical simulations of such interactions. Many such studies

have been undertaken in the past with pioneering work by Blondin & Koerwer (1998) and Comeron

& Kaper (1998), in which the morphology and dynamical evolution of wind bow shocks produced by

runaway stars in the diffuse ISM was analysed. Blondin & Koerwer (1998) examined the instabilities

of isothermal stellar wind bowshocks and concluded that ragged, clumpy bowshocks should be

expected to surround stars with a slow, dense wind, which is moving through the ISM with a Mach

number greater than a few (i.e., with relative velocity of order 60 km s−1). Comeron & Kaper (1998)

found a diversity of structures, even with moderate changes in basic input parameters: depending

on these, the bowshocks may have a simple or layered structure, or may not even form at all.

In the case of AGB astrospheres, such simulations can be used to explore the effects on the

astrospheres of varying physical parameters of the stars (mass-loss rate, wind-velocity, velocity

relative to the ISM, including time-variations) and the ambient ISM (density, temperature)

systematically on the detailed shape and structure of the astrosphere in both gas and dust. The

combination of the FUV imaging presented here, together with the far-IR imaging, provides a

unique database for the study of wind-wind and wind-ISM interactions.

A unique strength of simulations is that they enable one to utilise the information present in the

microstructure of the shocks. Such structure can result from different kinds of fluid instabilities, such

as Rayleigh-Taylor (RT) and Kelvin-Helmholtz (KH) instabilities. RT instabilities can be quenched

by a magnetic field, thus the presence and/or absence of RT fingers can be used to set constraints

on the presence of a magnetic field. The KH instability together with the RT instability can form

mushroom-shaped structures on the ends of RT fingers. KH time-dependent turbulent eddies can

become large enough to affect the large-scale morphology of the shocked gas. Other instabilities

include the non-linear thin shell instability (Vishniac 1994), the transverse acceleration instability

(Dgani et al. 1996), and large-scale vortex instabilities (Wareing et al. 2007).

10 while making this inference, we have disregarded the sharp central peak that can be seen in some objects
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The above simulations can be made more useful by including relevant physical processes such

as heating and cooling. Treating the gas and dust as separate fluids, and accounting for dust

charge/size distribution and destruction is especially important for modeling the far-IR data. Cox

et al. (2012) have carried out 7 simulations (without dust radiative cooling, charge or destruction)

in order to determine how the morphology of the bow shock varies with various stellar wind and

ISM properties. Villaver et al. (2012) present another set of pure hydro simulations, but include

wind modulations prescribed by stellar evolution calculations, and cover a range of expected relative

velocities (10 − 100 km s−1), ISM densities 0.01 − 1 cm−3), and stellar progenitor masses (1 and

3.5M�). Such studies are most useful when accompanied by observational predictions, e.g., the

hydrodynamical modeling of αOri’s astrosphere by Mohamed et al. (2012).

5. THE H2 LINE SPECTRUM OF AN ASTROSPHERE AND FUTURE SPECTROSCOPIC

OBSERVATIONS

One of the major limitations of the FUV data as a probe of wind-wind or wind-ISM interactions

is that no spectra of the FUV emission are available to confirm the current hypothesis for the

nature and origin of the emission11 – collisional excitation of the H2 Lyman-Werner band line

emission by hot electrons in shocked gas. This hypohesis is based on modeling of very low-resolution

grism spectroscopy of the FUV emission from Mira’s astrosphere by Martin et al. (2007) – no

spectra showing actual lines could apparently be extracted against the diffuse FUV background12.

A full understanding of the nature of FUV emission from astrospheres requires high-resolution

(R∼100,000) spectroscopic observations.

We use a simple model of the FUV emission resulting from electron impact excitation of H2, in

order to estimate the expected spectrum from an astrosphere. We generate a model spectrum using

a code written by Dr. X. Liu (Space Environment Technologies)13 (Liu & Dalgarno 1996a,b),

for electron impact energy 100 eV (the spectrum is relatively insensitive to this energy) and

H2 rotational temperature 300 K. This spectrum is then convolved with the GALEX FUV band

response and scaled in order to reproduce the broad-band GALEX FUV flux emitted by an

astrosphere (in erg s−1 cm−2 Å−1 or cps, where 1 cps = 1.4 × 10−15 erg s−1 cm−2 Å−1). Using this

model, we compute the spectrum of the FUV emission from the astrosphere of IRC+10216. We

extracted the total flux (10 cps) from an elliptical patch of size 210 × 110 pix2 (Ashs) covering the

11 the far-IR data suffer from a similar limitation, since the [OI]63µm and [CII]158µm line emission may contribute to

the emission seen in the broad-band PACS 70 and 160µm filters used in the far-IR observations by Cox et al. (2012)
12 The spectral fits shown in their Figure S3 are model fits to the spatial intensity in the grism image
13 code has been updated in 2019
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brightest part of the leading edge of the astrosphere of IRC+10216, and then obtained a prediction

of the astrosphere spectrum (Fig. 22) as described above.

The Cyclical Spatial Heterodyne Spectrometer (SHS) can provide the sensitivity required to

obtain high-resolution spectra of this faint line emission from IRC+10216’s astrosphere in particular,

and the astrospheres of AGB stars in general – a sensitivity that traditional slit spectrographs

lack. This interferometric instrumental technique, conceived at the University of Wisconsin in

the 1990’s, and built and tested in the laboratory at visible and UV wavelengths, demonstrated

concept-feasibility and performance characteristics (Harlander et al. 1992). Radial velocity resolved

detections of interstellar [OII]3727 line emission were obtained by (Mierkiewicz et al. 2006, 2007)

from the University of Wisconsin’s Pine Bluff Observatory using an SHS. Payload performance at

1550 Å of an SHS onboard a sounding rocket has also been tested (Watchorn et al. (2010)).

SHS employs a miniature all-reflective two-beam interferometric technique to obtain spectra at

a very high spectral resolving power (R∼ 100, 000) of light collected from a large diffuse, faint

emission region (Dawson & Harris (2009); Hosseini (2012, 2019); Hosseini & Harris (2020)).

Field testing carried out by Corliss et al. (2015) has demonstrated that reflective SHS instruments

can deliver effective interferometric performance in the visible to far-ultraviolet wavelengths with

commercial optics of moderate surface quality. The AMUSS (Astrophysics Miniaturized UV

Spatial Spectrometer) concept, submitted in response to RFI NNH17ZDA010L: Possible NASA

Astrophysics SmallSats, utilises such an instrument (with mass < 5.4 kg for 3 different UV lines

served by 3 SHS instruments) that when coupled to a small-aperture (. 30 cm) space-based

telescope, can provide high-resolution spectra of diagnostic UV lines emitted by extended, faint

astrophysical objects, such as astrospheres, the ISM in our galaxy, and the circumgalactic medium

in nearby galaxies (Hosseini & Sahai (2019)).

The lower panel of Fig. 22 shows an expanded view of the spectrum of IRC+10216’s astrosphere,

with black arrows indicating the centers of two wavelength windows covering lines that would

be optimum for observations with AMUSS. Although there are a plethora of strong lines at

shorter wavelengths (. 1300 Å), AMUSS would be less sensitive to them because of the steep

decrease in the quantum efficiency of UV detectors at shorter wavelengths. Hosseini & Sahai

(2019) find that AMUSS, coupled to a 30 cm space-based telescope, can obtain a spectrum (with

10 km s−1 resolution) in a limited bandpass14 of (say) ∼ (1600 − 1620) Å, of an astrosphere that

is as faint as the faintest source in our survey, RW Boo, with about 5 hr of integration time per

source, and detect the 1610 Å line with & 5σ. RW Boo has a flux of 1 cps, i.e., a factor ∼10 less than

14 since the noise in a spectrum obtained with AMUSS varies as the square-root of the total bandpass, it is advantageous

to limit the bandpass as much as possible, while still being able to detect the line(s) of interest
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IRC+10216 in an elliptical aperture with area Ashs covering the brightest part of its astrosphere.

For comparison, the brightest source in our survey, U Ant, has a flux of 5.5 cps in an elliptical

aperture with area Ashs, covering the brightest part of its astrosphere.

6. CONCLUSIONS

Using the GALEX archive, we have discovered extended structures around a small sample of

AGB stars emitting in the far-ultraviolet (FUV) band.

1. In nine out of ten objects, we find the typical morphology expected for a spherical wind

moving relative to, and interacting with the ISM to produce an astrosphere (including one

tentative detection). The exception is the carbon star, V Hya, whose mass-ejection is known

to be highly aspherical; in it we find evidence of its large parabolic high-velocity outflows

interacting with the ISM, and its collimated, extreme velocity outflows interacting with the

circumstellar medium.

2. W Hya shows a complex morphology with multiple azimuthal and radial structures, in addition

to its astrosphere.

3. For eight objects with relatively large proper motions, we find (as expected) that the

termination-shock region lies in a hemisphere that contains the proper motion vector. For

five out of eight objects (EY Hya, RT Vir, R Hya, RW Boo, and RX Boo) the symmetry axis of

the termination-shock lies within . ±30◦ of the proper motion vector. One object (R LMi),

which has a very small proper motion by far, compared to the others, shows a roughly circular

morphology for its astrosphere.

4. Radial intensity cuts for each source, averaged over large azimuthal wedges locate the

termination shock, the astropause and its outer edge. In a few objects, the cuts also reveal

faint emission just outside the astropause that likely arises in shocked ISM material.

5. The radii of the termination shock and the width of the astropause deribed from the intensity

cuts, together with published mass-loss rates and wind expansion velocities, have been used to

determine the total mass lost and mass loss duration for each source – we find that the duration

of, and total mass in, the shocked wind are significantly larger than their corresponding values

for the unshocked wind.

6. The total derived ejecta masses for all eight stars with well-detected astrospheres are small

(or very small) fractions of the minimum mass that needs to be lost before such stars enter

the post-AGB evolutionary phase.



23

7. The NUV images of these objects do not show the extended emission structures, indicating

that the FUV emission is due to H2 Lyman-Werner band lines within the wide GALEX FUV

filter bandpass, excited by collisions with hot electrons produced as a result of the shock

interaction, as has been hypothesized for other astrospheres detected in FUV emission. We

derive a model spectrum of the FUV emission from a representative bright region in the

astrosphere of IRC+10216, assuming it results from this mechanism.

8. We show that a Spatial Heterodyne Spectrometer instrument, mounted on a relatively small-

aperture space-based telescope, can obtain high-velocity resolution spectra of the faint FUV

emission from astrospheres around AGB stars in 5 hr or less per source, in order to confirm

(or refute) the origin of this emission as resulting from H2 Lyman-Werner band lines.
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Table 1. Observation Log

Name Sp.Typ. FUV Image Roota FUV Exp.Timeb NUV Image Rootc NUV Exp.Timed

(s) (s)

VX Eri M3/4III MISWZS03 27400 0183 0002 722.55 MISWZS03 27400 0183 0002 722.55

EY Hya M7 MISDR1 24292 0467 0007 3352.05 MISDR1 24292 0467 0007 3352.05

R LMi M6.5-9e GI1 023004 HIP47886 0002 1605.1 GI1 023004 HIP47886 0001 3290.2

U Ant C-N3 GI5 021008 U Ant 0002 1119.05 GI5 021008 U Ant 0001 6379.1

V Hya C-N:6 GI1 023019 HIP53085 0001 2696.2 GI1 023019 HIP53085 0001 2696.2

RT Vir M8III GI5 021002 RT Vir 0001 3473.85 GI5 021002 RT Vir 0001 9079.9

R Hya M6-9e GI5 021003 R Hya 0001 6029.75 GI5 021003 R Hya 0001 7651.05

W Hya M7.5-9e GI5 021004 W Hya 0001 4420.4 GI5 021004 W Hya 0001 4420.4

RW Boo M5III: GI1 023006 HIP71802 0003 1721. GI1 023006 HIP71802 0001 5113.0

RX Boo M7.5-M8 GI5 021005 RX Boo 0001 5161.45 GI5 021005 RX Boo 0001 7657.65

aOBJECT keyword in FUV Image fits file header

bTotal Exposure time for FUV image

cOBJECT keyword in NUV Image fits file header

bTotal Exposure time for NUV image
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Å
−
1

a
rc

se
c−

2
),

(5
)

G
a
la

ct
o
ce

n
tr

ic
R

a
d
iu

s
(k

p
c)

,
(6

)
H

ei
g
h
t

a
b

ov
e

G
a
la

ct
ic

P
la

n
e

(k
p

c)
,

(7
)

D
is

k
S
ca

le
H

ei
g
h
t

o
f

A
to

m
ic

H
y
d
ro

g
en

(k
p

c)
,

(8
)

A
to

m
ic

H
y
d
ro

g
en

D
en

si
ty

(c
m
−
3
),

(9
)

Io
n
iz

ed
H

y
d
ro

g
en

D
en

si
ty

(c
m
−
3
),

(1
0
)

T
er

m
in

a
ti

o
n

S
h
o
ck

D
is

ta
n
ce

(1
0
3

a
u
),

(1
1
)

T
h
ic

k
n
es

s
o
f

A
st

ro
p
a
u
se

(1
0
3

a
u
),

(1
2
)

M
a
ss

-L
o
ss

R
a
te

,
sc

a
le

d
to

d
is

ta
n
ce

in
C

o
l.

4
(1

0
−
6
M
�

y
r−

1
),

(1
3
)

S
ta

r

v
el

o
ci

ty
fr

o
m

ra
d
ia

l
v
el

o
ci

ty
a
n
d

ta
n
g
en

ti
a
l

p
ro

p
er

m
o
ti

o
n

(k
m

s−
1
),

(1
4
)

S
ta

r
v
el

o
ci

ty
re

la
ti

v
e

to
lo

ca
l

IS
M

(k
m

s−
1
),

(1
5
)

D
u
ra

ti
o
n

o
f

u
n
sh

o
ck

ed
w

in
d

(y
r)

,
(1

6
)

M
a
ss

o
f

u
n
sh

o
ck

ed

w
in

d
(M
�

),
(1

7
)

E
x
p
a
n
si

o
n

V
el

o
ci

ty
o
f

sh
o
ck

ed
w

in
d

(k
m

s−
1
),

(1
8
)

D
u
ra

ti
o
n

o
f

sh
o
ck

ed
w

in
d

(y
r)

,
(1

9
)

M
a
ss

o
f

sh
o
ck

ed
w

in
d

(M
�

),
(2

0
)

T
o
ta

l
M

a
ss

(u
n
sh

o
ck

ed
+

sh
o
ck

ed
)

(M
�

)



29

40.0 30.0 20.0 10.0 8:47:00.0 50.0 40.0 30.0 20.0 10.0 46:00.0

48
:0

0.
0

46
:0

0.
0

44
:0

0.
0

42
:0

0.
0

1:
40

:0
0.

0
38

:0
0.

0
36

:0
0.

0
34

:0
0.

0
32

:0
0.

0

T2

T1
A

0.000250 0.000253 0.000258 0.000269 0.000291 0.000335 0.000421 0.000593 0.000941 0.001628 0.002997

Figure 1. The FUV emission towards EY Hya, imaged with GALEX. The large white dashed circle, with

radius of 130′′, delineates the radial extent of the termination-shock in the astrosphere, west of EY Hya.

Two long filamentary stuctures that comprise the tail region of the astrosphere are labelled T1 and T2.

The emission in region labelled A is due to an imperfectly subtracted very bright point source located at

an offset of 275′′ (at PA = 25◦) from EY Hya. The black cross shows the star’s location. Vector shows the

star’s proper motion of 9.5 mas yr−1 at PA = 261◦, magnified by a factor 104. North is up and east is to

the left. The scalebar shows intensity in cps/pix.
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Figure 2. Radial intensity cut of the FUV emission around EY Hya, averaged over an azimuthal wedge

with its apex centered on the star, and spanning the range from PA=-60◦ to -140◦. The average surrounding

sky intensity has been subtracted from the cut.
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Figure 3. The FUV emission towards R LMi, imaged with GALEX. The large white dashed circle, with

radius of 295′′, delineates the radial extent of the termination-shock in the astrosphere; black cross shows

location of the star. Vector shows the star’s proper motion of 6.9 mas yr−1 at PA = 122◦, magnified by a

factor 104. Region A (magenta circle) shows local environment around two point sources that could not be

removed. North is up and east is to the left. The scalebar shows intensity in cps/pix.
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Figure 4. Radial intensity cut of the FUV emission around R LMi, averaged over an azimuthal wedge

with its apex centered on the star, and spanning a 320◦ angular range around PA = 120◦. The average

surrounding sky intensity has been subtracted from the cut.
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Figure 5. The FUV emission towards U Ant, imaged with GALEX. The large white dashed circle, with

radius of 175′′, is a fit to the estimated radial location of the termination-shock in the astrosphere, seen to

the west of U Ant. The smaller dashed circle, with radius of 105′′, marks the location of an intensity peak

in the radial intensity cut in Fig.6. The small white dashed circle, with radius of (42′′) shows the location

of the detached shell seen in the far-IR by Cox et al. (2012). All circles are centered on the star’s location

(black cross). Vector shows the star’s proper motion of 27.5 mas yr−1 at PA = 296◦, magnified by a factor

104. North is up and east is to the left. The scalebar shows intensity in cps/pix.



34

-0.0001

 0

 0.0001

 0.0002

 0.0003

 0.0004

 0.0005

 100  200  300  400  500  600  700

 50  100  150  200
In

te
ns

ity
 (

cp
s/

pi
x)

Radial Offset (arcsec)

Radial Offset (1000 au)

Figure 6. Radial intensity cut of the FUV emission around U Ant, averaged over an azimuthal wedge with

its apex centered on the star, and spanning the range from PA=-60◦ to -140◦. The average surrounding

sky intensity has been subtracted from the cut.
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Figure 7. The FUV emission towards V Hya, imaged with GALEX. In panel (a) black cross shows the

location of the star, and vector shows the star’s proper motion of 12.9 mas yr−1 at PA = 315◦, magnified by a

factor 104. In panel (b), dashed-dotted white) elliptical arcs (dashed black elliptical arc) delineate extended

regions of FUV emission that are likely associated with the blue-shifted (red-shifted) large parabolic outflows

seen in CO emission by Sahai et al. (2022). Excess FUV emission (over the average sky background) is seen

near the transverse structure labelled T. North is up and east is to the left. The scalebar shows intensity

in cps/pix.
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Figure 8. Radial intensity cut of the FUV emission around V Hya, averaged over an azimuthal wedge with

its apex centered on the star, and spanning the range from PA=-100◦ to -80◦. The average surrounding

sky intensity has been subtracted from the cut.
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Figure 9. The FUV emission towards RT Vir, imaged with GALEX. The white dashed circle, with radius

of 65′′, delineates the termination-shock in the astrosphere, east of the star (black cross). Vector shows the

star’s proper motion of 52.6 mas yr−1 at PA = 103◦, magnified by a factor 104. Region A (magenta ellipse)

shows a locally bright region near the end of the astrosphere tail. North is up and east is to the left. The

scalebar shows intensity in cps/pix.
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Figure 10. Radial intensity cut of the FUV emission around RT Vir, averaged over an azimuthal wedge

with its apex centered on the star, and spanning the range from PA=65◦ to 145◦. The average surrounding

sky intensity has been subtracted from the cut.
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Figure 11. The FUV emission towards R Hya, imaged with GALEX. The white dashed circle, with radius

of 120′′, delineates the radial extent of the termination-shock in the astrosphere, west of R Hya (black cross);

white solid circle delineates a termination-shock radius of 93′′ estimated from far-IR imaging by Cox et al.

(2012). Black vector shows the star’s proper motion of 36.7 mas yr−1 at PA = 310◦, magnified by a factor

104; white vector shows symmetry axis of the fan-shaped astrosphere. North is up and east is to the left.

The scalebar shows intensity in cps/pix.
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Figure 12. Radial intensity cut of the FUV emission around R Hya, averaged over an azimuthal wedge

with its apex centered on the star, and spanning the range from PA = −123◦ to −43◦. The average

surrounding sky intensity has been subtracted from the cut.
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Figure 13. The FUV emission towards W Hya (white cross), imaged with GALEX. (a) The FUV

emission in the near vicinity of W Hya (white cross); white dashed vector shows the star’s proper motion of

45.4 mas yr−1 at PA = 194◦, magnified by a factor 104. (b) The FUV emission around W Hya over a large

field-of-view, with major structural features marked. Dashed white circles show partial ring-like structures

of radii 65′′, 160′′, and 220′′. Several radial (compact as well as extended) features, likely corresponding

to outflows are labelled as A, B, ... G. Outflows A, B, and C show diametrically-opposed pairs (denoted

with subscripts 1 and 2, e.g., A1 and A2). Outflow G is inferred from the presence of diffuse emission

regions (encircled with green ellipses) located roughly north of the star. Four large azimuthal structures

are labelled T1–T4. Bright compact bright sources (labelled “g”) are likely background galaxies. North is

up and east is to the left. The scalebar shows intensity in cps/pix.
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Figure 14. Radial intensity cut of the FUV emission around W Hya; intensity has been averaged over an

azimuthal wedge with its apex centered on the star and covering the angular range PA = 95◦ to 235◦. The

average surrounding sky intensity has been subtracted from the cut.
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Figure 15. The FUV emission towards RW Boo, imaged with GALEX. The dashed white circle (radius

260′′), delineates the radial extent of the termination-shock in the astrosphere, seen to the west of RW Boo.

Black vector shows the star’s proper motion of 12.4 mas yr−1 at PA = 356◦, magnified by a factor 104;

white vector shows symmetry axis of the astrosphere. Region A (black ellipse) shows local environment

around a bright point source that could not be adequately removed. North is up and east is to the left.

The scalebar shows intensity in cps/pix.
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Figure 16. Radial intensity cut of the FUV emission around RW Boo; intensity has been averaged over

an azimuthal wedges with its apex centered on the star, covering the angular range PA = −75◦ to 5◦. The

average surrounding sky intensity has been subtracted from the cut.
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Figure 17. The FUV emission towards RX Boo, imaged with GALEX. The white dashed circle (radius

325′′), delineates the radial extent of the termination-shock in the astrosphere, south-south-east of RX Boo

(black cross). The white dashed vectors labelled SymAx 1 and SymAx2 represent two possible symmetry

axes of the astrosphere. Black vector shows the star’s proper motion of 58.8 mas yr−1 at PA = 132◦,

magnified by a factor 104. A shows where a bright point source could not be removed; B shows a related

ghost artifact. North is up and east is to the left. The scalebar shows intensity in cps/pix.
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Figure 18. Radial intensity cuts of the FUV emission around RX Boo, averaged over azimuthal wedges

with their apexes centered on the star, and spanning the range from PA = 150◦ to 190◦ (green curve),

PA = 120◦ to 160◦(red curve), and an average of the two (black curve). The average surrounding sky

intensity has been subtracted from the cut.



47

26:00.0 50.0 40.0 30.0 20.0 10.0 3:25:00.0 50.0 40.0 24:30.0

12
:0

0.
0

16
:0

0.
0

-1
2:

20
:0

0.
0

24
:0

0.
0

28
:0

0.
0

0.00000 0.00002 0.00005 0.00012 0.00025 0.00053 0.00107 0.00215 0.00432 0.00862 0.01718

Figure 19. The FUV emission towards VX Eri, imaged with GALEX. The dashed white circle (radius

290′′), delineates the radial extent of the termination-shock in the astrosphere, south-east of VX Eri. Black

vector shows the star’s proper motion of 14.4 mas yr−1 at PA = 213◦, magnified by a factor 104. North is

up and east is to the left. The scalebar shows intensity in cps/pix.
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Figure 20. Radial intensity cut of the FUV emission around VX Eri; intensity has been averaged over an

azimuthal wedge with its apex centered on the star and covering the angular range PA = 100◦ to 180◦.

The average surrounding sky intensity has been subtracted from the cut.
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Figure 21. The FUV emission towards CIT 6, imaged with GALEX (adapted from Sahai & Mack-Crane

(2014)). Red vector shows the star’s proper motion of 16.6 mas yr−1 at PA = 300◦, magnified by a factor

104; red cross shows the star’s location. North is up and east is to the left. The scalebar shows intensity in

cps/pix.
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Figure 22. A model FUV-band spectrum due to electron impact excitation of H2, scaled to fit the FUV

emission flux observed in an elliptical patch of size 210′′ × 110′′ covering the brightest part of the leading

edge of the astrosphere of IRC+10216. Top panel shows the full spectrum of Lyman-Werner band lines;

whereas the bottom panel shows an expanded view of the spectrum indicating the centers of two wavelength

windows that would be optimum for observations with AMUSS.
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APPENDIX

The following table (Table 4) lists all AGB stars for which GALEX images were examined in

order to search for extended UV emission associated with the stars, but where no such emission

was found. The root names of the image fits files for these sources, together with the exposure

times, Galactic coordinates, distance, height above the Galactic plane, and FUV extinction, are

listed.
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Table 4. AGB Stars without Extended UV Emission

Name Sp.Typ. Image Root Name Exp.Time Long. Lat. Dist. z AFUV

(Simbad) (s) (Deg.) (Deg.) (kpc) (kpc)

TT Peg M3 GI4 042001 AOHI000702p270035 1613 110.7468 -34.7159 0.716 -0.408 0.28

AG Cet M5III GI1 026004 Arp100 1593.05 102.2252 -73.5815 0.279 -0.268 0.14

TU And M6e GI1 023001 HIP2546 1611 117.5941 -36.6447 1.010 -0.603 0.26

TW Psc M8 MISDR1 16795 0418 1658 118.6546 -48.5745 0.713 -0.535 0.20

57 Psc M4IIIa MISDR1 16810 0419 1648 121.1921 -47.3799 0.220 -0.162 0.32

CR Cet M4III MISWZS01 29157 0269 2415.35 128.2863 -64.4344 0.329 -0.297 0.31

Z Psc C GI1 023021 ZPsc 3368.4 129.8623 -36.7705 0.622 -0.372 0.52

AA Tri M3 NGA NGC0777 1971.9 139.3226 -29.6082 0.199 -0.098 0.29

R Cet M4−5e GI1 037003 J022604p002135 6019.8 166.9656 -54.7512 0.633 -0.517 0.36

X For M3 MIS2DFSGP 28387 0161 1658.1 217.0063 -65.1053 0.964 -0.875 0.16

RR Eri M5III MISDR1 18658 0457 1696 185.1699 -55.7683 0.375 -0.310 0.35

X Cet M5.5e MISGCSS 18775 0410 3375.4 182.9203 -45.9836 1.517 -1.091 0.42

GL Eri M5III GI1 047021 ESO302 G014 1696 242.3073 -51.0352 0.309 -0.240 0.18

V Eri M5/M6IV GI1 023013 HIP19004 1616 208.8489 -43.9775 0.297 -0.207 0.19

BD−05 836 M5 MISDR1 26911 0465 3157.95 196.5405 -37.9160 0.668 -0.410 0.51

V Cam M7 GI1 023023 VCam 2300 139.3941 22.8971 0.627 0.244 1.13

HD 45819 M5III GI1 099014 NGC2249 1531.25 278.8037 -27.6048 0.705 -0.327 0.35

AA Cam M5S GI1 023002 HIP35045 1693 146.7974 27.2566 0.475 0.218 0.91

VX Aur M4 GI4 016002 DDO43 1688 177.6081 24.0286 1.018 0.414 1.13

EY Cam M5 GI3 061009 UGCA133 1693.05 148.4479 29.1185 0.519 0.253 0.89

Y Gem M8 MISGCSAN 15326 2078 1531.05 199.4917 19.7929 0.644 0.218 1.23

SV Lyn M5III: MISGCSAN 04353 0757 1522.1 184.5586 29.5006 0.244 0.120 0.50

RZ UMa M8 GI1 023003 HIP40060 1616 150.8722 32.7450 0.509 0.275 0.81

RX Cnc M8 MISGCSAN 15612 1585 1701.05 198.0768 28.5631 0.522 0.250 0.90

RY Hya Ce MISGCSAN 16455 1184 1703 220.8651 20.9410 1.469 0.525 0.65

Z Cnc M6III GI4 042008 AOHI082329p150918 1639.05 209.0836 26.7663 0.419 0.189 0.44

FW Cnc M0 MISGCSAN 16578 1760 2931.25 216.8179 30.7204 0.365 0.187 0.38

S Hya M4−M6.5e MISWZN09 24230 0565 3156.05 224.9863 28.4174 1.116 0.531 0.49

FZ Cnc M4IIIv GI1 113005 SY CNC 4794.35 209.5405 36.1078 0.221 0.130 0.24

HD 77938 M4/M5III GI2 023004 T PYX 880 257.2315 9.6299 0.327 0.055 0.45
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Table 4. AGB Stars without Extended UV Emission

Name Sp.Typ. Image Root Name Exp.Time Long. Lat. Dist. z AFUV

(Simbad) (s) (Deg.) (Deg.) (kpc) (kpc)

NR Hya M8 MISDR1 24351 0470 3174.05 230.8246 29.0731 0.662 0.322 0.47

CW Cnc M6 MISGCSAN 23934 2434 1682.1 216.2250 36.2926 0.252 0.149 0.29

IN Hya M3 MISWZN09 24315 0213o 1686.05 231.9017 32.7302 0.327 0.177 0.34

DF Leo M4III MISDR3 24067 1195 1689.05 224.4304 37.1814 0.327 0.197 0.32

TW Sex M4 MISDR1 24339 0267 3041.15 238.3158 39.6127 0.452 0.288 0.35

UY Leo M7III: GI1 047040 UGC05672 1766.1 212.1644 57.6836 0.715 0.605 0.26

S Sex M4−5e MISDR1 24330 0273 1690.1 247.2382 47.2226 1.353 0.993 0.30

GV UMa M5 LOCK 08 12087.3 152.2240 52.5242 0.568 0.451 0.55

R UMa M5−8e GI1 023015 HIP52546 1703 138.3629 44.3614 0.560 0.391 0.64

VY UMa C GI1 023025 VYUma 1704 139.5897 45.4137 0.416 0.296 0.61

GY UMa M4III GI4 016006 DDO87 1533.05 141.0463 46.9199 0.307 0.225 0.55

56 Leo M5.5III MISWZN11 12423 0315 1533.05 245.0495 55.4968 0.115 0.095 0.09

FF Leo M5 MISWZN11 12490 0315 954.55 249.4775 55.3027 0.858 0.705 0.27

AK Leo M... GI5 039002 AGC215158 HA1 1585.15 249.8324 68.3165 0.648 0.602 0.23

R Com M5−7e GI1 079001 NGC4064 1691.05 248.0329 76.3160 1.261 1.225 0.22

FZ Vir M... MISDR1 13708 0334 1513.5 291.7645 59.9583 0.402 0.348 0.25

T CVn M5 GI4 015003 DDO133 9973.5 168.2676 83.6332 0.800 0.795 0.43

BZ Vir M5 GI1 047084 UGCA319 1462 306.0581 45.1690 2.486 1.763 0.32

SY CVn M8 GI1 047086 UGC08215 1572.2 113.6014 69.7432 0.760 0.713 0.23

FH Vir M6III GI1 023005 HIP64768 1665.1 320.1010 68.5401 0.359 0.334 0.23

RW CVn M7III: GI1 026018 Arp84 2811.4 72.2044 72.4610 0.462 0.441 0.23

BY Boo M4.5:III MISGCSN 01277 1394 1222.1 85.2586 67.2613 0.166 0.153 0.15

FS Vir M4III MISDR1 33714 0583 1690.1 346.5112 58.9557 0.248 0.213 0.21

NO Vir M5 MISWZN15 33932 0237 1575.95 342.8404 53.3535 0.497 0.399 0.28

AO Vir M4 MISDR1 33712 0584 2504.1 349.7972 58.2956 3.514 2.990 0.26

S Boo M5−6e PS GROTH MOS01 4048.35 96.9253 58.4554 1.595 1.359 0.26

RS Vir M8 MISWZN15 33657 0360o 1630 352.6741 57.9715 0.453 0.384 0.26

NV Vir M5III MISWZN15 33963 0340 1942.1 348.2470 49.3709 0.773 0.587 0.30

NU Aps M5III GI4 099003 IC4499 4295.9 306.8874 -20.7643 0.600 -0.213 0.46

Y Ser M5e MISWZN15 33920 0338 2493.2 358.4771 45.0585 0.436 0.309 0.32
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Table 4. AGB Stars without Extended UV Emission

Name Sp.Typ. Image Root Name Exp.Time Long. Lat. Dist. z AFUV

(Simbad) (s) (Deg.) (Deg.) (kpc) (kpc)

Z Ser M5 MISDR1 33757 0591 1668.05 3.3780 47.3378 0.907 0.667 0.31

Y CrB M8III: GI1 023007 HIP77284 2883.1 61.3352 51.8605 0.686 0.539 0.29

X Her M8 GI5 021006 X Her 3024.1 74.4645 47.7858 0.123 0.091 0.09

FQ Ser M3 MISGCSAN 22074 1730 1645.05 20.8265 39.9553 0.180 0.116 0.18

RU Her M6−7e GI1 023008 HIP79233 2426.7 41.9779 45.6111 0.684 0.489 0.32

TV Dra MS MISDR1 09998 0349 2584 94.3435 35.3483 0.510 0.295 0.39

V945 Her M5 MISDR2 22240 0978 2717.05 53.6682 32.1726 1.372 0.731 0.45

T Dra Nev GI1 023020 HIP87820 1612.45 86.7498 29.9422 0.944 0.471 0.47

SS Lyr M5IIIe GI4 056015 KEPLER 06 5800.05 77.9802 16.0017 0.748 0.206 0.81

GY Aql M8 GI1 023009 HIP97586 2608.25 32.7232 -16.4858 0.706 -0.200 0.59

UX PsA M3/M4III MIS2DFSGP 40469 0326 1527.1 16.7881 -48.0706 0.397 -0.295 0.20

TU Peg M7−8e MISDR2 20095 0732 1937.2 68.2077 -29.7630 0.620 -0.308 0.33

EP Aqr M8IIIv MISWZS22 20562 0261 2759 54.2001 -39.2604 0.133 -0.084 0.08

KL Aqr M8 MISGCSN 20728 0261o 2279.3 59.7637 -41.2647 0.505 -0.333 0.24

SV Peg M7 GI1 023010 HIP109070 1724.05 88.7152 -16.2856 0.401 -0.113 0.44

TX Peg M... MISDR2 20490 0736 1687.15 75.7147 -34.8694 0.550 -0.314 0.28

S Gru M8IIIe GI1 047110 ESO238 G005 2415.2 345.8846 -54.7673 0.561 -0.458 0.18

AF Peg M5II−III GI1 023011 HIP112868 1646.9 86.8368 -36.2020 0.402 -0.238 0.26

TY And M... GI1 023012 HIP114757 1887 103.8529 -18.4676 0.662 -0.210 0.50

SV Aqr M8 MISDR1 29581 0645 2733.05 66.6906 -63.5235 0.422 -0.378 0.16

LW Aqr M4III MISWZS00 29619 0271 1690.25 77.7709 -69.5664 0.405 -0.379 0.15

XZ Psc M5III MISWZS00 29073 0165 4289.4 94.0594 -59.5482 0.180 -0.155 0.12
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ABSTRACT

Understanding differences between sub-stellar spectral data and models has proven to be a major challenge,
especially for self-consistent model grids that are necessary for a thorough investigation of brown dwarf atmo-
spheres. Using the supervised machine learning method of the random forest, we study the information content
of 14 previously published model grids of brown dwarfs (from 1997 to 2021). The random forest method allows
us to analyze the predictive power of these model grids, as well as interpret data within the framework of Ap-
proximate Bayesian Computation (ABC). Our curated dataset includes 3 benchmark brown dwarfs (Gl 570D,
ε Indi Ba and Bb) as well as a sample of 19 L and T dwarfs; this sample was previously analyzed in Lueber
et al. (2022) using traditional Bayesian methods (nested sampling). We find that the effective temperature of
a brown dwarf can be robustly predicted independent of the model grid chosen for the interpretation. How-
ever, inference of the surface gravity is model-dependent. Specifically, the BT-Settl, Sonora Bobcat and
Sonora Cholla model grids tend to predict logg∼ 3–4 (cgs units) even after data blueward of 1.2 µm have
been disregarded to mitigate for our incomplete knowledge of the shapes of alkali lines. Two major, longstand-
ing challenges associated with understanding the influence of clouds in brown dwarf atmospheres remain: our
inability to model them from first principles and also to robustly validate these models.

Keywords: Brown Dwarfs; Atmospheric clouds; Astrostatistics techniques

1. INTRODUCTION

Brown dwarfs are objects that are intermediate in mass
between giant exoplanets and stars. Hundreds of brown
dwarfs have been detected and spectrally characterized, mak-
ing them an interesting training set for confronting mod-
els with data. It has become standard practice to match
measured brown dwarf spectra with pre-computed, self-
consistent model grids, typically using a simple interpolation
method. More recently, Bayesian retrieval methods, which
were originally adapted from the Earth and planetary sci-
ences (e.g., Rodgers 2000; Irwin et al. 2008) to analyze spec-
tra of exoplanetary atmospheres (e.g., Madhusudhan & Sea-

Corresponding author: Anna Lueber
anna.lueber@unibe.ch

ger 2009), may be used to infer posterior distributions of pa-
rameters from the analysis of spectra (Line et al. 2017; Burn-
ingham et al. 2017; Madhusudhan 2018; Mollière et al. 2019;
Kitzmann et al. 2020).

Despite decades of model development efforts by the com-
munity studying brown dwarfs (e.g., Burrows et al. 1997,
2006; Hubeny & Burrows 2007; Allard et al. 2012; Morley
et al. 2012; Saumon et al. 2012; Phillips et al. 2020; Mar-
ley et al. 2021; Karalidi et al. 2021; for reviews, see Helling
& Casewell 2014; Marley & Robinson 2015), including de-
tailed calculations of the atomic and molecular opacities, the
physical and chemical processes in brown dwarf atmospheres
remain incompletely understood. Different research groups
tend to employ different approaches for implementing radia-
tive transfer, chemistry and clouds. The computer codes as
well as important input data, such as thermochemical data or
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opacities, for calculating model grids often tend to be pro-
prietary, making intercomparison of these grids challenging
(e.g., Helling et al. 2008). It is not always straightforward
to identify discrepancies in outcomes between model grids
employing different assumptions and methods. Furthermore,
model grids are typically constructed by uniforming sam-
pling the parameters (either linearly or log-linearly), which
is sub-optimal if one wishes to use these grids for Bayesian
inference (Fisher & Heng 2022).

In the current study, we adopt the following approach: even
without access to the computer codes used to generate them,
we treat the model grids as training sets for a supervised ma-
chine learning method. Such an approach was previously
used to study the spectra of exoplanets at various spectral
resolutions (Márquez-Neila et al. 2018; Fisher et al. 2020;
Guzmán-Mesa et al. 2020). It enables three different lines of
inquiry:

• To analyze the information content of each model grid
in isolation. Specifically, the predictability of each pa-
rameter and its influence across wavelength may be
quantified.

• The information content of a pair of model grids may
be compared to quantify differences in parameter sen-
sitivity across wavelength. Unsurprisingly, one of our
main findings is that inferring surface gravity from
spectra is a model-dependent exercise.

• Having trained the machine learning procedure on a
specific model grid, we may then use it to interpret
measured spectra within the framework of Approxi-
mate Bayesian Computation (Sisson et al. 2018).

This multi-faceted approach was first implemented by Ore-
shenko et al. (2020), but involving only three brown dwarfs
and three model grids. While one may be skeptical about us-
ing machine learning to perform inference, our approach is
no worse than the standard approach of fitting pre-computed
model grids to spectra of brown dwarfs using an interpola-
tion method. Such an approach not only offers an order-of-
magnitude speed-up compared to traditional Bayesian infer-
ence methods (since the models no longer need to be com-
puted on-the-fly), the information content analysis is not eas-
ily performed using classical methods (e.g. computing Jaco-
bians), especially for model grids where the computer code
is proprietary. We are thus introducing a novel approach
for both analyzing the information content of a large suite
of models and interpreting a sample of spectra of brown
dwarfs, which to our knowledge has not been done in the
peer-reviewed literature. We note that various approaches
for using machine learning to perform atmospheric retrieval
already exist in the astrophysical literature (e.g., Waldmann
2016; Márquez-Neila et al. 2018; Zingales & Waldmann

2018; Cobb et al. 2019; Fisher et al. 2020; Matchev et al.
2022; Ardévol Martı́nez et al. 2022; Vasist et al. 2023).

This study is structured as follows: In Section 2 we de-
scribe the publicly available atmospheric model grids used
in this study. In Section 3, we briefly describe the machine
learning algorithm deployed, and discuss effects of grid sizes
and grid interpolation. In Sections 4 we evaluate consis-
tency between model grids, including the influence of grid
parameter limits. In Section 5 we apply our random forest
retrieval infrastructure to three benchmark brown dwarfs and
a sequence of L and T dwarf spectral standards to assess pa-
rameter inference and the quality of model fits on measured
spectra. In Section 6 we summarize the outcomes of our in-
vestigation and implications for future work.

2. MODEL GRIDS OF BROWN DWARF ATMOSPHERES

In this study we use eleven different legacy model grids
spanning 25 years of development in the literature. Some
grids have separate versions that account for clouds, yield-
ing a total of 14 different grids that are used in this study.
All model grids are self-consistent, meaning that energy is
conserved through the atmosphere based on radiative transfer
and a temperature-pressure profile that accounts for chemi-
cal composition. The only free parameters are the physical
parameters that describe the boundary conditions of the at-
mosphere, the effective temperature Teff and surface gravity
logg, as well as elemental abundances and (in some mod-
els) cloud properties and equilibrium versus non-equilibrium
chemistry. Most of the grids assume solar composition (An-
ders & Grevesse 1989), which we adopt throughout this
study. Parameter ranges for effective temperature and sur-
face gravity, as well as other properties, for each model grid
are listed in Table 1.

To highlight differences between the various grids, we
show synthetic spectra for a typical late T dwarf with
Teff = 800 K and logg = 5 in Figure 1. As the figure illus-
trates, there are large variations among both cloudy and non-
cloudy model spectra in both continuum levels and depths of
absorptions. This variation is not surprising given the dif-
ferent modeling approaches involved and the development of
opacity data over the 25 years these various grids have been
produced.

Here, we provide a brief summary of each model:

• Burrows et al. (1997) — This atmosphere grid (here-
after B+97) utilizes the two-stream source function
approach (Toon et al. 1989) with convective adjust-
ment to obtain the atmospheric T -P profile in radia-
tive–convective equilibrium. The chemical composi-
tion is modeled with an equilibrium chemistry model,
assuming that the elements Ti, Al, Ca, and V have been
depleted by the formation of dust grains and are ne-
glected during the chemical equilibrium calculations.
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Other potential cloud-forming gas phase species are
considered to be limited by their saturation vapor pres-
sure curves. Even though the impact of condensa-
tion is approximated in the chemical equilibrium cal-
culations, the radiative impact of clouds is not taken
into account, so this is effectively a cloud-free model.
These models are calculated for effective temperatures
between 125 K and 1200 K and are thus primarily ap-
plicable to T dwarfs and colder brown dwarfs.

• Burrows et al. (2006) — This cloud-free and cloudy
atmosphere grid (hereafter B+06 and B+06c) uses
a variant of the stellar atmosphere code TLUSTY
(Hubeny 1988, 1992; Hubeny & Lanz 1995), called
COOLTLUSTY, with modifications as described in
Burrows et al. (2002), Sudarsky et al. (2003), and
Hubeny et al. (2003). COOLTLUSTY self-consistently
solves a set of radiative transfer equations for selected
frequency points by the Rybicki radiative transfer
scheme (Rybicki 1971; Mihalas 1978), and calculates
the atmospheric temperature profile based on radiative
and convective equilibrium using a Newton-Raphson
method. The chemical composition is obtained us-
ing the chemical equilibrium code SOLGASMIX (Bur-
rows & Sharp 1999; Burrows et al. 2003), with up-
dated thermochemical data for Ti and V compounds,
silicates and calcium aluminates, H–, as well as metal
hydrides. The chemistry model incorporates prescrip-
tions for rainout and depletion due to condensate for-
mation of refractory silicates, aluminates, titanates,
iron, water, and ammonia (see Hubeny & Burrows
2007 for a detailed description). Clouds are assumed
to be uniformly distributed without holes in the cloud
deck, and are parameterized by geometric and optical
thicknesses, and log-normal particle size distributions
with pre-defined modal particle sizes. Convection is
treated in the mixing-length formalism, with a mixing
length of one pressure scale height. The calculation of
the temperature profile in radiative-convective equilib-
rium follows the approach described in Saumon et al.
(1995). These models extend over effective tempera-
tures between 700 K and 2000 K and are thus applica-
ble to L and T dwarfs.

• Hubeny & Burrows (2007) — This cloud-free
and cloudy atmosphere grid (hereafter H+07 and
H+07c) is an adaptation of the B+06 models, us-
ing COOLTLUSTY. This grid uses an updated opac-
ity database as described in Sharp & Burrows (2007),
and deploys prescriptions for equilibrium and non-
equilibrium chemistry; for this analysis, we use the
non-equilibrium set. These models extend over effec-

tive temperatures between 700 K and 1800 K and are
thus applicable from mid L to T dwarfs.

• Madhusudhan et al. (2011) — This cloud-free
and cloudy atmosphere grid (hereafter M+11 and
M+11c) is an adaptation of the H+07 models, us-
ing COOLTLUSTY. Thick-clouds (AE type; see Mad-
husudhan et al. 2011 for details) are modeled follow-
ing the approach of Burrows et al. (2006); gas-phase
equilibrium chemical abundances are computed using
Burrows & Sharp (1999) and Sharp & Burrows (2007);
and opacities are drawn from Burrows et al. (2001) and
Sharp & Burrows (2007). These models also extend
over effective temperatures between 700 K and 1800 K
and are thus applicable from mid L to T dwarfs.

• Allard et al. (2012) — This cloudy atmosphere grid,
also known as BT-Settl (hereafter A+12c), is based
on the stellar atmosphere modeling code PHOENIX
(Hauschildt 1992; Hauschildt et al. 1997), which
solves the radiative transfer equation using an acceler-
ated lambda iteration approach (ALI) in combination
with opacity sampling. This grid is an updated ver-
sion of the AMES-Cond/Dusty atmosphere model
grid (Allard et al. 2001a) incorporating the BT2 wa-
ter line list (Barber et al. 2006) and updated solar el-
ement abundances from Asplund et al. (2009). The
cloud model of BT-Settl allows condensates to set-
tle below the photosphere by accounting for vertical
mixing by convection and overshooting (Allard et al.
2011). These models have the broadest effective tem-
perature range, between 500 K and 2400 K, and are
thus applicable for all L and T dwarfs.

• Morley et al. (2012) — This cloudy atmosphere grid
(hereafter M+12c) is appropriate for T and Y dwarfs
(400 K to 1300 K), and include “cold” condensates
of Na2S, KCl, ZnS, MnS, and Cr. The cloud struc-
tures and opacities are calculated using a modification
of the cloud model developed by Ackerman & Mar-
ley (2001) that accounts for the location and vertical
extent of cloud layers by balancing the upward trans-
port of vapor and condensate by turbulent mixing in
the atmosphere with the downward transport of con-
densate by sedimentation. The latter is described by
a free parameter that quantifies the efficiency of parti-
cle sedimentation ( fcld), with higher sedimentation ef-
ficiencies producing thinner clouds with larger particle
sizes. The cloud model is coupled to a self-consistent,
one-dimensional atmosphere model that computes at-
mospheric T -P profiles in radiative–convective equi-
librium (McKay et al. 1989; Marley et al. 1996; Bur-
rows et al. 1997; Marley & McKay 1999; Marley et al.
2002; Saumon & Marley 2008; Fortney et al. 2008).
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Solar element abundances and equilibrium chemistry
are assumed throughout the grid.

• Saumon et al. (2012) — This cloud-free atmosphere
grid (hereafter S+12) is based on the model sets of
Saumon & Marley (2008) and M+12c, but uses up-
dated ab-initio calculations of collision-induced ab-
sorption (CIA) of molecular hydrogen (H2) and new
opacities of ammonia (‘BYTe’, Yurchenko et al. 2011).
These models extend from 300 K and 1500 K, and are
thus applicable to T and Y dwarfs.

• Malik et al. (2019) — To get the convergent cloud-free
atmospheric solution in radiative-convective equilib-
rium, the open-source radiative transfer code HELIOS
(Malik et al. 2017, 2019; hereafter M+19) employs
an improved hemispheric two-stream method (Heng &
Kitzmann 2017; Heng et al. 2018) with non-isotropic
scattering and convective adjustment. Table 1 of Malik
et al. (2019) lists the considered opacity sources and
the corresponding line lists. The majority of opaci-
ties are computed with HELIOS-K (Grimm & Heng
2015) at a resolution of 10−2 cm−1 using a Voigt pro-
file with a wing cutoff of 100 cm−1. The ExoMol
and Hitran online databases contain pressure broad-
ening as a standard feature. The Na and K treatment,
which is thoroughly explained in Appendix A of Ma-
lik et al. (2019), is based on Burrows et al. (2000)
and Burrows & Volobuyev (2003). Based on the el-
emental abundances listed in Table 1 of Asplund et al.
(2009), FastChem (Stock et al. 2018, 2022) is used to
compute the equilibrium gas-phase chemistry. The re-
moval of species owing to condensation is included for
H2O, Na, K, TiO, VO, and SiO and is described in Ap-
pendix B of Malik et al. (2019). HELIOS uses the k-
distribution method with the correlated-k approxima-
tion. A total of 300 wavelength bins and 20 Gaussian
quadrature points throughout the range of 0.33 µm
to 10 cm are used for integration over wavelength.
A post-processing resolution of 3000 is used for the
spectra. These models are computed from 200 K and
3000 K.

• Phillips et al. (2020) — These atmosphere models are
generated using the 1D radiative-convective equilib-
rium code ATMO (Amundsen et al. 2014; Drummond
et al. 2016, 2019; Tremblin et al. 2015, 2016, 2017a,b;
Goyal et al. 2018, 2019), developed to study hot
Jupiters and brown dwarf atmospheres. ATMO 2020
now incorporates several significant upgrades, includ-
ing a new H-He equation of state, ab initio quantum
molecular dynamics calculations, and updated molec-
ular opacities. The plane-parallel 1D model uses a
Newton-Raphson solver to calculate the T -P structure

of an atmosphere self-consistent with the hydrostatic
equilibrium for a given surface gravity. The treatment
of collisionally broadened potassium resonance dou-
blet was improved (see Phillips et al. 2020 for details).
Three distinct grids of model simulations were created,
each computed self-consistently with the temperature-
pressure structure of the atmosphere. One grid em-
ployed equilibrium chemistry, and the other used non-
equilibrium chemistry caused by vertical mixing with
varying mixing intensities. This study focuses on the
solar metallicity, non-equilibrium, and weak vertical
mixing grid (hereafter P+20). These models are com-
puted from 200 K and 1800 K.

• Marley et al. (2021) — This atmosphere grid, also
known as Sonora Bobcat (hereafter M+21), are
cloud-free models computed for radiative–convective
equilibrium atmospheres utilizing a layer-by-layer
convective adjustment approach, allowing for solu-
tions with detached convective zones. Condensation
from the gas phase is included for rainout chemistry, as
described by Lodders & Fegley (2006), but no explicit
cloud opacity is included. These models use the k-
distribution method to calculate wavelength-dependent
gas absorption (Goody et al. 1989), with updated opac-
ities and equilibrium constants for the gas phase chem-
istry (see Marley et al. 2021 for details). These models
extend from 200 K to 2400 K.

• Karalidi et al. (2021) — This cloud-free atmosphere
grid called Sonora Cholla is an extension of the
M+21 grid by including non-equilibrium chemistry of
key molecular species such as CH4, H2O, CO, and
NH3. These models extend from 500 K and 1500 K,
and are thus applicable to T dwarfs.

Our selection of model grids is by no means complete, es-
pecially since some of the grids were omitted as they were
superceded by more recent versions using the same code her-
itage (e.g., Chabrier et al. 2000; Allard et al. 2001a; Saumon
& Marley 2008; Allard et al. 2011; Witte et al. 2011).

3. ANALYZING THE INFORMATION CONTENT OF A
MODEL GRID

In this section we first briefly introduce the machine learn-
ing code HELA that we use to perform the retrieval calcu-
lations. We also present the results of testing the different
grids and discuss the necessity of increasing their sizes us-
ing interpolation. Figure 2 represents a schematic flowchart,
which describes the different application areas of HELA and
the corresponding treatment of the model grids.
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Table 1. Properties of the atmosphere model grids used in this study.

Original grid Enlarged grid

Model λ ( µm) Average λ/∆λ Teff (K) logg (cm s−2) [M/H] # models ∆Teff ∆ logg # models ∆ logg

B+97 0.87 – 2,500 22 128 – 1,196 3.3 – 5.5 0 44 100 0.5 290 0.05
B+06 0.43 – 300 764 700 – 2,000 4.5 – 5.5 -0.5, 0, +0.5 44 100 0.5 560 0.025
B+06c 0.43 – 300 764 700 – 2,000 4.5 – 5.5 0 298 50 0.1 1,080 0.025
H+07 * 0.43 – 300 764 700 – 1,800 4.5 – 5.5 0 318 100 0.5 480 0.025
H+07c * 0.43 – 300 764 700 – 1,800 4.5 – 5.5 0 208 100 0.5 480 0.025
M+11 * 0.43 – 300 764 700 – 1,800 4.5 – 5.5 0 108 100 0.5 240 0.05
M+11c * 0.43 – 300 764 600 – 1,700 3.5 – 5.5 0 149 50-100 0.1-0.5 641 0.05
A+12c 10−4 – 104 353,673 500 – 2,400 2.0 – 5.5 0 216 50-100 0.5 1,237 0.05
M+12c 0.6 – 30 87,530 400 – 1,300 4.0 – 5.5 0 182 50-100 0.5 396 0.05
S+12 0.6 – 30 87,530 300 – 1,500 4.0 – 5.5 0 158 50-100 0.5 1,259 0.025
M+19 0.4 – 104 2,630 200 – 3,000 1.4 – 6.0 0 696 100 0.2 6,699 0.020
P+20 0.2 – 1,980 2,500 200 – 1800 2.5 – 5.5 0 139 50-100 0.5 2,441 0.025
M+21 0.4 – 50 155,936 200 – 2,400 3.25 – 5.5 -0.5, 0, +0.5 429 25-100 0.25 3,700 0.025
K+21 * 1.0 – 250 55,622 500 – 1,300 3.25 – 5.5 0 459 50 0.25 1,360 0.025

∗Disequilibrium chemistry model grid.

References—B+97: Burrows et al. (1997), B+06/c: Burrows et al. (2006), H+07/c: Hubeny & Burrows (2007), M+11/c: Madhusudhan et al. (2011),
A+12c: Allard et al. (2012), M+12c: Morley et al. (2012), S+12: Saumon et al. (2012), M+19: Malik et al. (2019), P+20: Phillips et al. (2020),
M+21: Marley et al. (2021), K+21: Karalidi et al. (2021).
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Figure 1. Examples of spectra from all of the model grids for a typical late T dwarf with Teff = 800 K and logg = 5. Left panel: cloud-free
models. Right panel: cloudy models.

3.1. Random forest machine learning algorithm HELA

All atmospheric retrieval calculations for this study were
done using HELA1 (Márquez-Neila et al. 2018). This re-
trieval code applies the supervised machine learning random
forest algorithm (Ho 1998; Breiman 2001) to a pre-computed

1 https://github.com/exoclime/HELA

grid of atmosphere model spectra to generate a statistical
model that infers parameters such as temperature, surface
gravity, or composition. The random forest method is a form
of Approximate Bayesian Computation (Sisson et al. 2018).
A main advantage of a random forest retrieval is its speed
of computation, as well as the determination of feature im-
portance, a quantity that ranks the importance of each spec-
tral data point (the “features” in the jargon of machine learn-

https://github.com/exoclime/HELA
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Which case are you going to use?

Grid Intercomparison
(train & test on different grids)

ML Retrievals
(train on grid & predict on data)

Grid consistency check
(train & test on the same grid)

Does the grid have sufficiently 
small surface gravity steps?

Are models sampled on the same 
wavelength points?

Account for data uncertainties

Linearly 
Interpolate 

for log g

Does the grid have sufficiently 
small surface gravity steps?

Does the grid have sufficiently 
small surface gravity steps?

Linearly 
Interpolate 

for log g

Linearly 
Interpolate 

for log g

Is the model sampled on the same 
wavelength points as the data?

Map to same 
wavelength points 

and resolution

Map to same 
wavelength points 

and resolution
: NO

: YES

: Proceed

Figure 2. Schematic flowchart describing the three applications of
our supervised machine learning method (random forest) in the cur-
rent study: examining the information content of each model grid
in isolation, comparing the information content of a pair of model
grids, and finally performing atmospheric retrieval on measured
spectra in the framework of Approximate Bayesian Computation.

ing) in constraining a model parameter. HELA has been used
to analyze the information content of exoplanet transmission
spectra Márquez-Neila et al. (2018) and brown dwarf spectra
Oreshenko et al. (2020), as well as other applications (Fisher
et al. 2020; Guzmán-Mesa et al. 2020; Fisher & Heng 2022).

Machine learning retrievals necessarily split the model grid
into training and testing sets. The outcome of this testing can
be evaluated using real versus predicted (RvP) assessments,
quantified by the coefficient of determination (R2). R2 can
take on negative and positive values depending on the degree
of correlation and offset in inferred values:

R2 = 1−Sres/Stot (1)

where Sres is the sum of squares of the residual errors, and Stot
is the total sum of the errors. Comparisons between real and
predicted parameters that align perfectly have R2 = 1 (per-
fect correlation). If the relationship between two parameters
is random, then one obtains R2 = 0. R2 < 0 indicate worse-
than-random relationships between two parameters; R2 is un-
bounded from below. In practice, the presence of noise leads
to R2 values that are less than unity even if the noise-free RvP
is associated with R2 = 1. For this study, we used a ratio of
approximately 80:20 between training and testing sets, fol-
lowing previous studies (Márquez-Neila et al. 2018; Fisher
et al. 2020). Our random forests were set up to have 1000 re-
gression trees with no restriction on the maximum tree depth.
Instead, each tree grows by splitting the space of the mod-
els until the decrease in variance of further splits is smaller
than 0.01. These hyper-parameters associated with the ran-
dom forest calculations are taken from Márquez-Neila et al.
(2018). Additional calculations with 3000 instead of 1000
trees produced essentially identical posterior outcomes.

3.2. Grid consistency and the effect of grid size

One disadvantage of forward-modeling analyses using
model grids is the typically coarse sampling of model param-
eters and corresponding large parameter step sizes, as well
as limitations in the overall parameter space. To investigate
the impact of grid size on parameter inference, we first per-
formed an internal consistency analysis of individual grids
by training and testing on the same grid using HELA.

Figure 3 shows the RvP plots for the two model parame-
ters Teff and logg for four of the model grids: B+97, B+06,
M+11, and K+21. These results show that the effective tem-
perature has high self-consistency, with R2 > 0.98 for all of
the grids, even for sparse grids such as B+97 that contains
only 44 models. Surface gravity, on the other hand, is prob-
lematic in forms of predictability with R2 as low as 0.230 for
the B+97 grid. The problem arises largely from the coarse
sampling and small number of models available in some grids
such that there is not enough information to properly train the
random forest. Grids that are larger and less sparse, such as
the M+11 and K+21 grids, show better internal consistency
with R2 values exceeding 0.9.

To address this issue, we artificially increased grid sizes
and sampling through interpolation of the spectral models.
This approach had previously been established by Oresh-
enko et al. (2020). They found that training the random for-
est without grid enlargement would lead to non-convergence
of the random forest algorithm. However, adding additional
model spectra can cause additional issues. For example,
Zhang et al. (2020) showed that linear interpolation of mod-
els produced artificially small uncertainties for inferred phys-
ical parameters, while Cottaar et al. (2014) and Czekala et al.
(2015) found that posterior distributions can be biased to-
wards the original model grid points. Arnould et al. (2022)
and Fisher & Heng (2022) similarly found that interpolated
grids could result in inferred parameters that deviated signifi-
cantly from the original grid in cases where parameter effects
were non-linear.

We performed a one-dimensional linear interpolation of
the measured linear flux in small logarithmic surface grav-
ity steps (0.025 to 0.05 dex) to increase the resolution and
total number of all model grids. Note that interpolation is
a convenient approach for estimating inter-grid models, and
ignores key aspects of the underlying physics for intermedi-
ate surface gravity parameters. It is a reasonable approach
when parameters effects are smoothly varying, but can pro-
duce issues in non-linear regimes (e.g., a sharp chemical
abundance transition at a given atmospheric temperature and
pressure). Interpolating the log fluxes instead of the linear
fluxes did not improve the generated R2 scores. A superior
option to this approach would be the calculation of a finer
model grid, which is generally restricted by the high compu-
tational cost of atmosphere modeling and/or the proprietary
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Figure 3. Real versus predicted (RvP) comparison for effective temperature Teff and surface gravity logg for random forest training and testing
on a single grid. No noise is assumed. Here, we show analysis for the grids B+97, B+06, M+11, and K+21. In each panel, the red dashed
line indicates perfect agreement. Differences in the grid sizes, particularly for surface gravity, and corresponding effect on the accuracy of
predictions can be seen.
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Figure 4. Same as Figure 3 but with grids enlarged through interpolation of surface gravity. No noise is assumed. Note the significant
improvement in R2 scores for both effective temperature (Teff) and surface gravity (logg).

(non-open-source) status of the computer codes. Discussion
of optimally-sampled model grids for exoplanet and brown
dwarf spectra can be found in Fisher & Heng (2022).

Figure 4 shows the same RvP plots as in Figure 3 but with
the enlarged grids. There is a pronounced improvement in R2

scores, especially for the surface gravity. In the B+97 case,
for example, the R2 value for logg increases from 0.230 to

0.942. Figure 4 also shows that surface gravity interpolation
also improves the internal consistency for effective tempera-
ture. As no new information is added in these interpolations,
the most likely explanation for the improvement is that the
larger grid provides the machine learning algorithm a larger
training set for which to model the set of decision trees, mak-
ing the overall random forest model more robust.
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4. INTERCOMPARISON OF MODEL GRIDS

In the previous section, we explored self-consistency in in-
dividual model grids, and the importance of expanding grid
sampling and sizes to improve random forest model training.
Here, we examine intercomparisons between pairs of grids to
highlight differences that arise from different modeling ap-
proaches and assumptions.

4.1. Grid preparation

The information content of spectra, which serve as our
training set for the random forest, varies with spectral res-
olution. The spectral resolution of the model grids is hetero-
geneous and ranges from ∼ 10 to ∼ 105 (Table 1). When
comparing a pair of model grids, we require them to share
a common binning across wavelength. In order to make a
fair comparison between model grids and later transition to
using these grids as training sets for interpreting measured
spectra, we adopt the resolution of spectral data acquired
with the prism mode of the SpeX spectrograph, mounted
on the 3m Infrared Telescope Facility (Rayner et al. 2003).
Many brown dwarf observations have been conducted with
this instrument, which covers a wavelength range of 0.85
µm to 2.45 µm at a (slit-dependent) spectral resolution rang-
ing from approximately 80 to about 300. In cases where the
spectral resolution of the model grid exceeds that of the mea-
sured spectra, this process of binning down corresponds to a
loss of information. This near-infrared region covers strong
absorption bands of important molecules, such as H2O, CO,
and CH4, as well as spectral continuum variations shaped by
collision-induced H2 absorption and cloud opacity. We lin-
early interpolated all model grid spectra to match the wave-
length range and resolution of SpeX prism spectra obtained
with the 0.′′8 slit, and retrained our grid random forest models
using HELA.

At the shortest wavelengths, SpeX spectra sample the blue
line wings of the K I resonant doublet centered at 0.77 µm.
In brown dwarf spectra, these lines are heavily pressure-
broadened, with broad, non-Lorentzian line wings that are
challenging to model theoretically (Tsuji et al. 1999; Bur-
rows et al. 2000; Burrows & Volobuyev 2003; Allard et al.
2012, 2016). Indeed, the model grids in this study use dif-
ferent approaches to modeling these lines, and one expects
that this part of the spectrum will show greater variance
when comparing across model grids. We therefore included
a second modification to our model grids, following Ore-
shenko et al. (2020), in which we removed data at wave-
lengths ≤1.2 µm, excising the strongest impact of the alkali
line wings. A second set of random forests models were com-
puted with these “cut” model grids using HELA. In the Ap-
pendix, Figure 13 shows examples of mean tree depths for
random forest calculations with full versus restricted wave-
length ranges. For reasons that are not easy to diagnose,

the runs associated with spectra with restricted wavelength
ranges (cut off blueward of 1.2 µm) have slightly larger tree
depths.

With the grid models consistently mapped onto the same
wavelength range and resolution, we evaluated parameter
agreement between them by training on one grid model and
testing on a second. For 14 grids, this amounts to 182 distinct
comparisons, as swapping between training and testing grids
constitutes independent tests. We therefore present here an
analysis of a subset of 24 representative cases.

4.2. Accounting for parameter space coverage

Before proceeding to a full analysis of grid comparison,
one aspect of the fits that needs to be accounted for is the dif-
fering ranges of parameters encompassed by the models, as
listed in Table 1. The influence of this can be seen in the RvP
plots shown in Figure 5 comparing the M+11c and the B+06c
grids. The effective temperature RvP plot in particular dis-
plays a deviation from perfect agreement at Teff ≈ 1700 K,
saturating at this value in the predictions and creating an
“S-shaped” curve. This deviation is a consequence of the
limited temperature range of the M+11c grid, which only
extends to Teff = 1700 K, whereas the B+06c grid extends
to Teff = 2000 K. Since the random forest model has been
trained on the M+11c models, it cannot correctly predict Teff
values higher than the 1700 K limit.

Note that the RvP plots of brown dwarf surface gravity
often exhibit lines corresponding to different effective tem-
peratures. A positive correlation between effective tempera-
ture and predicted surface gravity is typically observed, with
higher effective temperatures showing higher predicted sur-
face gravity values. The evolution of surface gravity and ef-
fective temperature in brown dwarfs results from the cooling
and contracting of the interior. However, the decline in sur-
face gravity is not consistently uniform, leading to a wide
range in predicted values. If we instead restrict the testing of
the M+11c random forest model with B+06c models that are
in the same effective temperature range (700 K to 1700 K),
the most deviant comparisons in both temperature and sur-
face gravity are eliminated, improving the overall R2 scores
for both parameters. Therefore, for the subsequent analy-
sis we compare models only in the effective temperature and
surface gravity ranges that encompass both model sets. Note
that in many cases this limits our surface gravity comparison
to the range 4.5 ≤ logg ≤ 5.5 based on the B+06c, H+07c,
and M+11 models.

4.3. Comparison results

With the constraints described above, Figure 6 shows RvP
comparisons for Teff and logg for our 24 selected cases. We
include comparison of both the full SpeX wavelength range,
and for spectra cut below 1.2 µm. Figure 7 summarizes the
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Figure 5. RvP comparison for M+11c versus B+06c grids, focusing
on the influence of effective temperature range. The top panels show
the RvPs when the full range of models are trained and tested; the
bottom panels show the RvPs when models are restricted to over-
lapping effective temperatures. No noise is assumed.

R2 scores for the cut spectra. These figures illustrate very
different behaviors in the random forest retrieval in terms of
predicting effective temperatures and surface gravities. For
most cases, the former are predicted accurately across model
grids, with R2 scores of 0.9 and above.

Much larger and more consistent discrepancies are found
in the predictions of surface gravities between the grids. The
RvP curves for these are often shifted well off of the per-
fect agreement line, producing highly negative R2 scores (cf.
M+11c versus B+06c or M+11c versus H+07c cases). These
deviations suggest that the different modeling approaches
produce distinct spectral variations with respect to changes
in surface gravity. Alternately, this behavior may indicate
that the spectra in some grids have differing sensitivities to
surface gravity variations, resulting in different degrees of
gravity segregation.

Part of the surface gravity disagreements could be caused
by differing treatments of the alkali lines, which are pressure-
sensitive and thus influenced by atmospheric surface grav-
ity. Comparing between random forest models trained on full
versus restricted wavelength ranges, we find improvement in
surface gravity inference in several cases. For example in the
M+21 vs H+07 comparison, the R2 score for logg increases

from -3.670 to -0.067 between full and restricted spectra.
While the latter is far from indicating good agreement, it
does indicate improvement. However, not all cases yield bet-
ter surface gravity predictions for the restricted wavelength
range. For example, in the K+21 versus H+07 comparison,
the R2 score decreases from 0.206 to -1.348 when the spec-
trum is cut at 1.2 µm as surface gravities are systematically
more underestimated. The R2 scores for effective tempera-
ture, on the other hand, barely change when the cut spectrum
is used, suggesting that differences in alkali line treatment
are not essential for determining this parameter.

The grid comparisons also demonstrate how modifications
to assumptions in the atmosphere model calculations mani-
fest in temperature and surface gravity inference. Not sur-
prisingly, grids that are produced by the same computational
framework (e.g., COOLTLUSTY; see M+11 versus H+07
comparison) agree better than those computed with differing
frameworks. Nevertheless, significant modifications to the
modeling assumptions can result in large differences in in-
ferred parameters even within the same computational frame-
work. An illustrative case is the M+21 and K+21 grid com-
parison. Both models use the Sonora atmosphere model
code, but the former assumes chemical equilibrium while the
latter assumes disequilibrium chemistry.

While this change has minimal effect on the inferred ef-
fective temperatures, there are significant differences in the
inferred surface gravities, with R2 = -0.373 for the full wave-
length range and R2 = 0.474 for the restricted wavelength
range. This deviation suggests that chemistry considerations
may be degenerate with surface gravity variations, and that
both may need to be considered in a full retrieval.

4.4. Feature importance

Decomposing how different wavelength regions may influ-
ence parameter determination, such as alkali effects on sur-
face gravity inference, can be accomplished by evaluation of
feature importance plots. Figure 8 shows these plots for all
grids, including those not shown in Figure 6, based on the
full SpeX wavelength range.

As anticipated, most of these grids indicate that the wave-
length range below 1.2 µm is important for the prediction of
logg (cf. B+97, H+07, M+21, and K+21). Since the grids use
different treatments for the alkali lines, the importance of this
region explains in part why excising this region leads to better
agreement in the surface gravity R2 scores between models.
Another region that seems to be particularly important for de-
termining logg is the 2–2.3 µm region. The majority of grids
(with the exception of the M+12c, S+12, and K+21) show
a peak in feature importance here. This behavior can likely
be attributed to the role of collision-induced H2 absorption
(Linsky 1969; Burgasser et al. 2002), which is highly sen-
sitive to atmospheric pressure and hence surface gravity. The
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Figure 6. Real versus predicted (RvP) comparison for temperature (Teff) and surface gravity (logg) in the case of training on one model grid
(first model listed) and testing on a second model grid (second model listed). The leftmost two columns of the figures display analyses for the
full spectral range, the rightmost two columns of the figures display analyses for a spectral range ≥1.2 µm. In each figure, the red dashed line
indicates perfect agreement. Here we show analysis of the model grid pairs M+11c versus B+06c, M+11 versus H+07, M+11c versus H+07c,
and A+12c versus M+12c. No noise is assumed. The complete figure set (48 images) for the Teff and logg RvP comparisons of both the full
SpeX wavelength range, and for spectra cut below 1.2 µm for our 24 selected cases is available in the online journal.

differing sensitivity of this feature between grids with sim-
ilar atmosphere model frameworks, for example M+21 and
K+21, suggests that other parameters such as chemical equi-
librium versus disequilibrium could mask the surface gravity

sensitivity, and explains why the surface gravity R2 score be-
tween these models is notably low.

For effective temperature, most model grids show similar
overall structure in feature importance, with bands aligned
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Figure 6. continued, for model grid pairs P+20 versus M+19, M+21 versus H+07, M+21 versus K+21, and K+21 versus H+07. No noise is
assumed.

with strong molecular absorption bands of H2O, CO, and
CH4 (cf. Figure 1). There are, however, notable exceptions
to this trend. The B+97 and M+12c grids show a relatively
flat feature importance distribution with respect to surface
temperature, potentially connected to the underlying opac-
ity sources in the case of B+97, or the impact of salt and
sulfide clouds that mute gas absorption features in the case
of M+12c. The agreement in feature importance plot struc-

ture, for example between the H+07 and M+11 grids, ex-
plains why their effective temperature R2 scores are close to
unity. As explained above, since these two grids essentially
use the same atmosphere model, this result is not too surpris-
ing.

It is worth noting that the wavelength ranges of 1.3–1.5 µm
and 1.8–2 µm are affected by strong telluric absorption due
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Figure 7. R2 scores for logg (blue bands) and Teff (red bands) for
random forests trained on the first model listed and tested on the
second model listed. Values are shown for the restricted wavelength
range of 1.2 µm to 2.45 µm. No noise is assumed.

to water. Therefore, feature importance in these wavelength
ranges should be interpreted with caution.

It is potentially misleading to compare feature importance
plots between two model grids, as feature importance quan-
tifies the relative importance of a parameter, across wave-
length, for a specific model grid. Nevertheless, it is instruc-
tive to see that the relative importance across wavelength
is being altered when a model is cloudy versus cloud-free.
Physically, this occurs because clouds are selectively muting
spectral features and hence altering their relative importance
across a specific model spectrum.

5. RANDOM FOREST RETRIEVALS

Having evaluated the self-consistency and inter-
comparisons of the various model grids, we now turn to
applying random forest retrievals to brown dwarf observa-
tions. We make comparison to two sets of spectra: bench-
mark objects with independently-derived parameter values,
and spectral standards that span the L and T dwarf sequence.

5.1. Data sources

For continuity with previous studies, we use the same
three brown dwarf benchmarks examined in Oreshenko et al.
(2020) and Kitzmann et al. (2020): the late T dwarf compan-
ion Gl 570 D and the binary brown dwarf companion system
ε Indi Ba and Bb. Both are companions to more massive,
nearby stars with detailed analyses of their ages and chemi-
cal compositions. Gl 570 D (Burgasser et al. 2000) is a T8
dwarf and a wide companion (∼1500 AU) to a K4 plus close
M1+M3 hierarchical triple with an estimated age of 1–5 Gyr
and a near-solar metallicity. The brown dwarf Gl 570 D has
been studied extensively as a benchmark brown dwarf (Bur-
gasser et al. 2006a; Saumon et al. 2006; Del Burgo et al.
2009; Testi 2009; Line et al. 2015; Filippazzo et al. 2015;
Oreshenko et al. 2020; Kitzmann et al. 2020; Zhang et al.
2021a; Mukherjee et al. 2022). ε Indi Ba+b (Scholz et al.
2003; McCaughrean et al. 2004) is a closely-separated T1 +
T6 brown dwarf binary that is widely-separated (also ∼1500
AU) from the slightly metal-poor, ∼4 Gyr-old K4/5 dwarf
ε Indi A, which itself hosts a 2–5 MJup-mass giant planet
(ε Indi Ab; Feng et al. 2019). The ∼11 yr orbit period of
the binary, plus its gravitational perturbation on the host star,
has permitted component masses of the brown dwarf binary
to be determined astrometrically as 68–75 MJup for the pri-
mary and 53–70 MJup for the secondary, with recent results
favoring the lower ends of these ranges (Cardoso 2012; Di-
eterich et al. 2018; Chen et al. 2022). Given the direct infer-
ence of masses, both components of this system have been
well-studied as benchmark brown dwarfs (Smith et al. 2003;
Roellig et al. 2004; Kasper et al. 2009; King et al. 2010; Ore-
shenko et al. 2020; Kitzmann et al. 2020).

For Gl 570 D, we use the SpeX spectrum from Burgasser
et al. (2004) covering the wavelength range 0.8–2.5 µm
with average spectral resolution of ∼100. For ε Indi Ba
& Bb, we use spectra from King et al. (2010) obtained
with the Very Large Telescope ISAAC spectrograph (Moor-
wood et al. 1998) which spans 0.6–5 µm at a resolution of
λ/∆λ ≈ 5,000, considerably higher than that provided by
SpeX prism data. The calibration of these spectra to appar-
ent flux densities was done using broadband photometry as
described in Kitzmann et al. (2020).

We also conducted random forest retrievals on a sequence
of 19 spectral standards spanning spectral classes from L0 to
T8, as previously used in Lueber et al. (2022) for traditional
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Figure 8. Feature importance plots are shown for the temperature Teff (red) and the surface gravity logg (blue). All 14 different grids are
shown. No noise is assumed.

Bayesian nested-sampling retrievals. All 19 spectra were ex- tracted from the SpeX Prism Library (Burgasser 2014); a



14 LUEBER ET AL.

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
M+11Importance for Teff

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
M+11Importance for log g

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
M+11cImportance for Teff

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
M+11cImportance for log g

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
A+12cImportance for Teff

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
A+12cImportance for log g

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
M+12cImportance for Teff

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
M+12cImportance for log g

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
S+12Importance for Teff

0.8 1.0 1.2 1.4 1.6 1.8 2.0 2.2 2.4
Wavelength ( m)

0.000

0.005

0.010

0.015

0.020

0.025

0.030

0.035
S+12Importance for log g

Figure 8. continued. No noise is assumed.
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Figure 8. continued. No noise is assumed.

comprehensive description of the individual objects and their
spectral properties can be found in Lueber et al. (2022).2

5.2. Adding noise to training sets

2 Spectral data corresponding to each object – L0 : Burgasser & McElwain
(2006), L1: Kirkpatrick et al. (2010), L2: Marocco et al. (2013), L3: Bur-
gasser (2007), L4: Kirkpatrick et al. (2010), L5: Chiu et al. (2006), L6:
Reid et al. (2006), L7: Cruz et al. (2004), L8: Burgasser (2007), L9: Bur-
gasser et al. (2006b), T0: Looper et al. (2007), T1: Burgasser et al. (2004),
T2: Burgasser et al. (2004), T3: Chiu et al. (2006), T4: Burgasser et al.
(2004), T5: Burgasser et al. (2004), T6: Burgasser et al. (2006a), T7: Bur-
gasser et al. (2006a), T8: Burgasser et al. (2004).

As a first step, each spectrum in a given model grid
is binned to match the binning in the measured spectrum.
Adding noise to the training set is now object-specific and
depends on the measured spectrum of each object in our sam-
ple.

Defining the wavelength-dependent flux in each bin to be
Fλ , and the measured uncertainty in each bin to be δFλ , fol-
lowing Oreshenko et al. (2020), we adopt δFλ/Fλ as the stan-
dard deviation of a Gaussian and randomly draw from it. This
flux excess or deficit is then added to the binned model flux.
It implies that, even for the same model spectrum, it is possi-
ble to produce different realizations of it with noise added.
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5.3. Scaling factor

In addition to effective temperature and surface gravity, we
add a flux scaling factor f as a third parameter to our re-
trievals in order to scale the outgoing, photospheric flux F+

ν

of the brown dwarf model to that measured by the observer,
Fν . These are simply related by the radius–distance relation:

Fν = F+
ν f
(

Rp

d

)2

. (2)

Here, d is the distance between the observer and the brown
dwarf and Rp the assumed radius of the latter. For distances,
we use values of d = 5.84± 0.03 pc for Gl 570 D based on
Hipparcos parallax measurements (van Leeuwen 2007), and
d = 3.638± 0.001 pc for ε Indi B (Lindegren et al. 2021)
based on Gaia Early Data Release 3 parallax measurements,
respectively. For the radius, we assume an a priori value of
Rp = 1RJup, based on the evolutionary models of Burrows &
Liebert (1993), a value that is appropriate for an sufficiently
evolved brown dwarf and is only weakly dependent on mass
(see their Figure 1). In principle, the retrieved value for f can
be converted into the actual brown dwarf radius, Rd, as

Rd =
√

f RJup . (3)

In practice f contains not only the flux scaling between ra-
dius and distance, but also accounts for inaccuracies in the
observed spectral flux calibration and shortcomings of the at-
mospheric models (Kitzmann et al. 2020).

To incorporate the scaling factor into our training sets, we
assume a uniform distribution of 0.5 ≤ f ≤ 2.0. In tandem
with randomly drawing for the noise in each bin, we ran-
domly draw an f for each model spectrum and multiply the
entire set of fluxes by it.

5.4. Results for benchmark brown dwarfs

After the spectral resolution of the model grids has been
degraded using a Gaussian kernel to match each spectrum,
we trained random forest models for each of the 14 grids, and
then performed retrievals on each of the benchmark spectra.
Corresponding real versus predicted (RvP) plots can be found
in the Appendix (Figure 13). Figure 9 shows the parameter
posterior values and the median spectrum for all of the model
grids for each source. The median spectrum is obtained by
calculating the wavelength-dependent flux median from the
collected training spectra of the predicted leaf of each tree.
Posterior values are summarized in Table 2 and compared to
corresponding values from previous studies.

The median retrieved spectra show large deviations up to
one order of magnitude compared with the observational data
that varies among the different grids. Indeed, some of the

model spectra do not seem to fit the data at all, with their
flux values either strongly over- or underestimating the actual
brown dwarf spectra. Such poor fits of grid spectra are not
uncommon for brown dwarfs, particularly in comparison to
traditional retrieval methods (cf. Line et al. 2015; Kitzmann
et al. 2020), suggesting that the self-consistent models are
missing important ingredients to properly represent brown
dwarf atmospheres. Alternately, approximations made in the
models, such as chemical equilibrium, may not be entirely
valid for these objects. On the other hand, classical retrieval
methods that fit spectral data more accurately typically ne-
glect the actual physical and chemical processes that govern
brown dwarf atmospheres.

Despite the overall low quality of spectral fits (Figure 9),
the suite of random forest retrievals obtain similar posterior
parameter values, albeit with large error bars. For Gl 570
D, the retrieved effective temperatures are all between 800 K
and 1000 K, while retrieved surface gravities are mostly be-
tween 4.8 . logg . 5.2. Three notable exceptions for the
latter are the A+12c, P+20 & K+21 grids that yield much
smaller logg values, closer to 4. The scaling factor f is re-
trieved to be around≈ 0.8 for most grids, with the three grids
B+97, P+20 & M+21 grids favoring values closer to unity.
These values correspond to radii of 0.8–1.0 RJup. In compar-
ing to literature values, we note that most prior retrieval or
grid-fitting studies of Gl 570 D obtain lower effective tem-
peratures, below 800 K. The surface gravities obtained by
these studies, on the other hand, mostly fall into the same
range as the ones we obtain with the random forest retrieval.

For ε Indi Ba and Bb, random forest retrieval results agree
better with previous studies. Notably, both previous studies
and model grids in this paper favor scaling factors well below
unity, from 0.3 to 0.7 for both components (corresponding to
radii of only 0.5–0.8 RJup) with only B+97 and S+12 yielding
values closer to unity. We emphasize that the scale factor can
signify mismatches between the morphologies of grid spectra
and observations and not the radius, which explains the large
uncertainty intervals for this parameter for all three sources.

5.5. Retrieval results for the L-T sequence

We applied the same retrieval procedure to our L dwarf and
T dwarf sequence. Since clouds are expected to be present in
some of the former spectral class, this comparison allows to
better evaluate the impact of clouds on model grids such as
the B+06/c, H+07/c, and M+11/c grids.

Figure 10 displays the posterior values for effective tem-
perature, surface gravity, and scaling factor as a function of
spectral type and for each of the model grids. We also com-
pare to results from our previous retrievals using a Bayesian
nested sampling method, restricted spectra, all molecules,
and gray clouds with Helios-r2 as described in Lueber
et al. (2022). The effective temperatures are generally pre-
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Figure 9. Retrieval outcomes for Gl 570 D (top), ε Indi Ba (middle), and ε Indi Bb (bottom). Left panels show the retrieved posterior median
values (points) and 1 σ uncertainties (error bars) for each of the model grids. The flat line in each panel is a fit across the retrieved parameter
values. Right panels show the median spectra for each individual grid compared to the original data (black dots). Note that for Gl 570 D, we
use the SpeX spectrum from Burgasser et al. (2004) covering the wavelength range 0.8–2.5 µm with average spectral resolution of ∼100; For
ε Indi Ba & Bb, we use spectra from King et al. (2010) obtained with the Very Large Telescope ISAAC spectrograph (Moorwood et al. 1998)
which spans 0.6–5 µm at a resolution of λ/∆λ ≈ 5,000, considerably higher than that provided by SpeX prism data. It should be noted that
object-specific uncertainties have been considered according to Section 5.2, and are therefore data-driven.

dicted consistently and tend to follow the field age spectral
type/effective temperature trend of Filippazzo et al. (2015).
This is particularly the case for the A+12c and M+21 mod-

els that span the full temperature range. Indeed, the model
posteriors for Teff for several models are effectively limited
to the effective temperature range of the respective grid.
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Table 2. Results of the random forest retrieval algorithm for the benchmark brown dwarfs Gl 570 D, ε Indi Ba & Bb. Previously published values are shown for
comparison.

Gl 570 D ε Indi Ba ε Indi Bb

Model Teff (K) logg (cm s−2) f χ2
r Teff (K) logg (cm s−2) f χ2

r Teff (K) logg (cm s−2) f χ2
r

This work
B+97 799+198

−100 4.63+0.62
−0.53 1.150+0.770

−0.578 88.05 1100+99
−100 5.10+0.20

−0.52 1.310+0.380
−0.526 551.23 997+100

−198 4.98+0.42
−0.53 0.800+0.749

−0.246 633.50

B+06 1000+0
−200 5.25+0.18

−0.43 0.723+0.646
−0.113 20.01 1400+100

−100 5.03+0.25
−0.33 0.606+0.172

−0.053 14.56 1400+100
−400 5.10+0.23

−0.35 0.631+0.233
−0.091 83.72

B+06c 950+100
−100 5.12+0.25

−0.42 0.724+0.374
−0.197 19.90 1400+100

−150 5.17+0.20
−0.35 0.590+0.143

−0.076 10.92 1000+200
−100 5.12+0.25

−0.33 0.641+0.230
−0.118 27.96

H+07 1000+0
−200 5.15+0.28

−0.38 0.653+0.562
−0.090 21.53 1400+100

−100 5.10+0.25
−0.20 0.694+0.185

−0.184 14.82 1200+200
−200 5.22+0.20

−0.43 0.589+0.149
−0.078 28.25

H+07c 900+100
−100 5.20+0.20

−0.45 0.887+0.454
−0.298 21.43 1300+100

−0 5.20+0.25
−0.38 0.650+0.213

−0.038 13.70 1300+0
−300 5.09+0.36

−0.36 0.620+0.200
−0.024 53.16

M+11 1000+100
−200 5.30+0.10

−0.50 0.820+0.350
−0.252 19.78 1300+200

−100 5.20+0.20
−0.30 0.750+0.276

−0.241 16.79 1200+200
−200 5.15+0.30

−0.40 0.656+0.199
−0.132 27.40

M+11c 900+150
−64 4.80+0.15

−0.25 0.935+0.687
−0.317 28.91 1300+100

−100 4.75+0.20
−0.50 0.760+0.344

−0.232 11.76 1100+200
−100 4.75+0.25

−0.40 0.632+0.227
−0.094 36.10

A+12c 900+100
−100 3.85+0.80

−0.65 1.000+0.506
−0.332 12.59 1400+100

−100 5.20+0.25
−0.85 0.647+0.213

−0.066 6.50 1050+150
−100 4.60+0.35

−0.50 0.649+0.157
−0.091 29.97

M+12c 900+100
−100 4.93+0.47

−0.43 0.742+0.587
−0.158 36.07 1200+100

−100 5.35+0.10
−0.35 0.933+0.373

−0.178 18.68 1000+200
−100 5.25+0.10

−0.37 0.760+0.394
−0.208 30.57

S+12 1000+50
−100 4.80+0.28

−0.48 0.669+0.372
−0.096 41.84 1200+100

−100 5.30+0.20
−0.38 1.170+0.349

−0.443 25.20 1050+150
−100 4.85+0.30

−0.32 0.734+0.385
−0.161 40.32

M+19 800+30
−100 5.08+0.62

−0.68 0.650+0.297
−0.109 85.79 1600+200

−200 5.28+0.56
−1.44 0.616+0.155

−0.079 38.64 1200+300
−300 5.28+0.68

−0.82 0.591+0.140
−0.065 106.05

P+20 800+100
−0 3.58+1.30

−0.25 1.130+0.272
−0.434 13.96 1400+100

−100 3.67+0.90
−0.27 0.657+0.225

−0.130 3.55 1100+200
−100 4.58+0.60

−0.57 0.608+0.403
−0.056 17.44

M+21 900+50
−100 4.78+0.53

−0.58 0.975+0.464
−0.363 8.00 1500+100

−200 5.00+0.48
−0.50 0.576+0.152

−0.044 9.65 1200+200
−250 4.78+0.63

−0.93 0.656+0.181
−0.115 28.88

K+21 900+100
−100 3.92+0.45

−0.26 0.773+0.668
−0.217 7.46 1300+0

−50 5.15+0.28
−0.33 0.648+0.245

−0.081 51.93 1150+100
−100 5.33+0.13

−0.25 0.537+0.177
−0.018 68.88

Weighted Mean 900+88
−0 4.87+0.28

−0.20 0.797+0.167
−0.073 1350+50

−50 5.16+0.04
−0.11 0.654+0.104

−0.030 1125+75
−113 5.10+0.11

−0.30 0.637+0.020
−0.025

Previous work
Burgasser et al. (2006a) 780−820 5.1 0.717−0.750 a - - - - - -

Saumon et al. (2006) 800−820 5.09−5.23 0.769+0.115
−0.080

a - - - - - -

Del Burgo et al. (2009) 948+53
−53 4.5+0.5

−0.5 - - - - - - -

Testi (2009) 900 5.0 - - - - - - -
Line et al. (2015) 714+20

−23 4.76+0.27
−0.28 1.300+0.010

−0.008
a - - - - - -

Filippazzo et al. (2015) 759+63
−63 4.90+0.5

−0.5 0.884±0.026 a - - - - - -

Zhang et al. (2021a) 786+20
−20 5.04+0.13

−0.13 0.792+0.003
−0.002

a - - - - - -

Mukherjee et al. (2022) 725 5.0 1.082 a - - - - - -
King et al. (2010), atm. - - - 1300−1340 5.25 - 880−940 5.5 -
King et al. (2010), evo. - - - 1352–1385 5.25 0.606−0.621 a 880−940 5.5 0.637−0.652 a

Smith et al. (2003) - - - 1400−1600 5.2±0.3 0.364 a - - -
Roellig et al. (2004) - - - 1250 5.13 0.837 a 840 4.89 0.947 a

Kasper et al. (2009) - - - 1250−1300 5.2−5.3 0.689 a 875–925 4.9−5.1 0.845 a

Dieterich et al. (2018) - - - - 5.27±0.09 c - - 5.24±0.09 c -
Oreshenko et al. (2020) Sonora 808+43

−27 4.93+0.38
−0.55 0.618+0.156

−0.053 1530+173
−127 5.17+0.24

−0.52 0.582+0.052
−0.030 1130+352

−157 5.19+0.199
−1.02 0.593+0.0907

−0.0419
Oreshenko et al. (2020) Sonora b - - - 1300+100

−100 4.39+0.748
−0.603 - 900+76.7

−26.6 5.45+0.0176
−0.0995 -

Oreshenko et al. (2020) AMES-cond 878+23
−78 5.27+0.43

−0.67 0.633+0.147
−0.070 1600+122

−100 5.68+0.20
−0.35 0.557+0.053

−0.031 1100+150
−100 5.53+0.33

−0.47 0.585+0.099
−0.041

Oreshenko et al. (2020) AMES-cond b - - - 1300+100
−100 5.5+0.434

−0.866 - 930+70
−30 5.73+0.224

−0.399 -

Oreshenko et al. (2020) HELIOS 800+14
−100 5.08+0.62

−0.68 0.686+0.592
−0.109 1530+145

−127 5.54+0.22
−1.56 0.593+0.119

−0.030 1180+239
−181 5.32+0.47

−1.28 0.610+0.234
−0.041

Oreshenko et al. (2020) HELIOS b - - - 1300+102
−97 5.62+0.269

−1.12 - 900+100
−100 5.86+0.0482

−0.321 -

Kitzmann et al. (2020) equil. 730+18
−17 4.61+0.08

−0.08 1.000+0.010
−0.008 1339+19

−19 5.49+0.06
−0.10 0.533+0.001

−0.001 768+26
−25 5.11+0.05

−0.05 0.533+0.001
−0.001

Kitzmann et al. (2020) free 703+17
−20 5.01+0.13

−0.19 1.277+0.003
−0.004 1420+16

−16 5.62+0.07
−0.07 0.303+0.001

−0.001 992+22
−21 4.85+0.17

−0.19 0.504+0.002
−0.001

a This value was derived and is based on the assumption that
√

f = R

b The values are based on a two-parameter retrieval model but otherwise analogous to Oreshenko et al. (2020) three-parameter retrievals

c This value was derived and is based on the measured dynamical mass and assuming R = R (1±0.1) RJ

Retrieved surface gravities are consistently around
logg ≈ 5, appropriate for field low mass stars and brown
dwarfs. The notable exceptions are M+11c, A+12c, M+21,
and K+21 model grids that produce consistently low surface
gravities likely due to the greater range in surface gravity
covered by these models. Indeed, the fact that most of the
grids are restricted to values between 4.5 ≤ logg ≤ 5.5, the
tight trend in surface gravity is potentially spurious. This out-
come is consistent with the grid inter-comparison discussed
in Section 4, and further emphasizes that near-infrared spec-

tral retrievals with grid models tend to yield poor predictions
for surface gravities. Zhang et al. (2021b) and Zalesky et al.
(2022) specifically discuss discrepancies between the logg
values based on grid model fits and brown dwarf evolution
models, finding that the former typically underestimate the
surface gravity.

A remarkable trend in these fits is the consistently small
values inferred in the scaling factor f , roughly 0.4–0.5 for
spectral types later than L3 with small error bars (typically
0.1). There are a few exceptions to this behavior; for exam-
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ple, the M+12c grid occasionally yields larger f values. The
Bayesian retrieval method applied in Lueber et al. (2022) also
found small scale factors for mid L dwarfs and T dwarfs, al-
beit with more source-to-source variation and large posterior
uncertainties.

It is clear that these scale factors should not be interpreted
as a simple measure of brown dwarf radius, as it leads to un-
physically small radii (0.6–0.7 RJup) inconsistent with evolu-
tionary models (Burrows & Liebert 1993). The exact reasons
for this behavior are not yet fully understood, but may be re-
lated to temperature overestimation, unaccounted-for errors
in the flux calibration of the spectra or missing ingredients in
the models (Kitzmann et al. 2020).

Figure 11 shows comparisons of the median spectra for
each grid with the observed data for two spectral types: an
L7 dwarf and a T7 dwarf. Model fits to the former are ex-
pected to require the presence of clouds, while the photo-
sphere of the latter, like Gl 570 D, is assumed to be largely
free of clouds (with the possible exception of salt or sulfide
clouds; Morley et al. 2012). A well-known problem of ex-
isting model grid spectra is their inability to reproduce the
general slope of near-infrared spectra of L-dwarfs, in partic-
ular the shape of the H-band peak. For example, studies by
Manjavacas et al. (2014, 2016) discuss this phenomenon for
the BT-Settl model grid (A+12c, Allard et al. 2012). On
the other hand, this model grid is able to reproduce the spec-
tral energy distributions of late T dwarfs quite well (Burning-
ham et al. 2011). If one focuses on mid and late T dwarfs,
which are expected to be cloud-free, generally both cloudy
and cloud-free model grids fit the data equally well. In con-
trast, for L-dwarfs only cloudy model grids fit the data ade-
quately and produce plausible posterior values. The cloud-
free models for the L7 dwarf in Figure 11 tend to result in
reduced χ2

r -values at the ∼ 10 level, whereas the best fitting
cloudy models have a reduced χ2

r -value at the ∼ 1 level.

6. DISCUSSION

In the current study, we have performed a systematic
study of the information content of 14 previously pub-
lished model grids of brown dwarf spectra. One of our
main conclusions is that inferring logg from spectra is a
model-dependent exercise. In particular, the A+12, M+21,
and K+21 model grids (BT-Settl, Sonora Bobcat &
Sonora Cholla) tend to predict logg ∼ 3–4 (cgs units).
Since we were not involved in the construction of these
model grids, we are unable to identify the underlying rea-
sons for this systematic prediction of somewhat low surface
gravity values (compared to logg∼ 5 by other model grids).
Our ability to reach such an outcome is both a strength and a
weakness of our supervised machine learning method, which
allows us to use model grids as training sets without neces-

sarily being privy to all of the details involved in constructing
these models.

Figure 12 shows the distribution of χ2
r values for all of

the model fits to data that were performed in the current
study. The presence of model fits with χ2

r ≈ 0.4–1 indi-
cates that there are no obvious mistakes in the implemen-
tation of our random forest fitting procedure. The presence
of bad fits (χ2

r � 1) is either due to the mismatch between
model assumptions and data (e.g. fitting a cloudy object with
a cloud-free model) or hints at missing physics or chemistry
in a model grid–despite it being self-consistent. Clearly, self-
consistency alone does not guarantee accuracy.

The current study highlights a longstanding puzzle in the
research of brown dwarfs, which is the formation of clouds
and their influence on the emergent spectra (see reviews by
Marley et al. 2013, Helling & Casewell 2014 or Madhusud-
han 2018). Ideally, one wishes to model the formation and
evolution of clouds from first principles. In practice, studies
published in the literature by different groups have adopted
a heterogeneous set of assumptions and approximations in
their calculations. While the Tsuji model (e.g., Tsuji 2002)
uses an ad-hoc cloud particle size of 102µm, Allard et al.
(2001b) and Ackerman & Marley (2001) assumed power-law
and broad log-normal size distribution, respectively. Burrows
et al. (2011) and Madhusudhan et al. (2011) assumed a size
distribution informed by cumulus clouds on Earth, the so-
called Deirmendjian distribution, while describing the verti-
cal spatial structure using several free parameters. More re-
cently, the tendency is to utilize the cloud parameterization
proposed by Ackerman & Marley (2001), e.g., TauREx (Al-
Refaie et al. 2021) or Sonora Diamondback (Morley et
al., in prep.).

It is worth emphasizing that, as soon as clouds are pa-
rameterized within a model grid, self-consistency is, strictly
speaking, lost. In other words, a truly self-consistent model
should be able to predict the size distribution, chemical com-
position and spatial structure of clouds without having to
specify these properties as parameters. Pragmatically, prac-
titioners will continue to parameterize cloud models and it-
erate them until radiative-convective equilibrium is reached.
The strict definition of self-consistency remains a long-term,
and possibly unattainable, goal for the brown dwarf commu-
nity.

A related issue is that these cloud models are sophisticated
enough that the measured spectra typically do not encode
enough information to test or falsify some of these assump-
tions. In other words, the puzzle of understanding clouds in
brown dwarfs is two-fold: the formidable task of formulating
a first-principles cloud model free of ad-hoc parameters, and
the subsequent validation of this model using data.

ACKNOWLEDGMENTS



20 LUEBER ET AL.

L0 L1 L2 L3 L4 L5 L6 L7 L8 L9 T0 T1 T2 T3 T4 T5 T6 T7 T8
500

1000

1500

2000

2500
T e

ff

L0 L1 L2 L3 L4 L5 L6 L7 L8 L9 T0 T1 T2 T3 T4 T5 T6 T7 T8
3.0

3.5

4.0

4.5

5.0

5.5

6.0

lo
g 

g

L0 L1 L2 L3 L4 L5 L6 L7 L8 L9 T0 T1 T2 T3 T4 T5 T6 T7 T8
0.00

0.25

0.50

0.75

1.00

1.25

f

Filippazzo et al. (2015)
B+97
B+06

B+06c
H+07
H+07c

M+11
M+11c
A+12c

M+12c
S+12
M+19

P+20
M+21

K+21
Lueber et al. (2022)
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APPENDIX

Figure 13 represents the real versus predicted (RvP) comparisons of the random forest approach. Training and predicting was
done using a single grid. RvP comparisons were done for effective temperature Teff, surface gravity logg, and scaling factor f .
The size of the grid in the two dimensions logg and temperature Teff are represented by specification in ‘#’.
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Figure 13. RvP comparison of the random forest training and testing approach when using a single grid. Each panel represents the RvP
comparisons for effective temperature Teff, surface gravity logg, and scaling factor f . Each grid was interpolated individually for logg (see text
for details) and binned on the spectral resolution and wavelength coverage of the ε Indi Ba spectrum. Model uncertainties have been considered
according to Section 5.2.
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Figure 13. continued. Model uncertainties have been considered according to section 5.2.

In Figure 14, we present an example of the mean tree depths obtained from random forest calculations using full and restricted
wavelength ranges, corresponding to Figure 6. We observe that the runs associated with spectra with restricted wavelength ranges
(cut off blueward of 1.2 microns) have slightly larger tree depths, although the underlying reason for this outcome remains elusive.
For completeness, Tables 3 and 4 record the outcomes of the random forest retrieval algorithm for the SpeX prism standard L0-L9
& T0-T8 brown dwarfs, respectively.
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Figure 14. Mean tree depths for random forest calculations with full versus restricted wavelength ranges, corresponding to Figure 6.
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Table 3. Results of the random forest retrieval algorithm for the SpeX prism standard brown dwarfs and L0 - L9 spectral classes.

Model Parameter L0 L1 L2 L3 L4 L5 L6 L7 L8 L9

B+97 Teff (K) 1200+0
−0 1200+0

−99 1200+0
−99 1200+0

−99 1200+0
−99 1200+0

−99 1100+99
−100 1200+0

−99 1100+99
−100 1100+99

−100

logg (cm s−2) 5.10+0.40
−0.05 5.20+0.25

−0.42 5.25+0.05
−0.20 5.15+0.20

−0.52 5.15+0.30
−0.52 5.15+0.15

−0.47 4.88+0.42
−0.30 5.15+0.20

−0.52 4.78+0.57
−0.25 4.78+0.47

−0.20

f 1.870+0.111
−0.659 1.490+0.152

−0.471 1.520+0.463
−0.519 1.640+0.221

−0.476 1.700+0.212
−0.345 1.780+0.187

−0.561 1.460+0.354
−0.488 1.340+0.519

−0.340 1.600+0.296
−0.636 1.200+0.429

−0.459

χ2
r 65.31 66.22 70.39 77.86 73.87 85.84 89.57 95.36 104.46 119.01

B+06 Teff (K) 2000+0
−100 2000+0

−100 2000+0
−200 2000+0

−200 1900+100
−200 1700+200

−100 1700+100
−100 1600+200

−100 1500+200
−100 1500+100

−100

logg (cm s−2) 4.88+0.46
−0.30 5.06+0.39

−0.34 4.80+0.35
−0.20 4.75+0.40

−0.25 4.80+0.35
−0.28 4.90+0.43

−0.20 5.08+0.30
−0.35 4.75+0.50

−0.20 5.00+0.25
−0.43 4.92+0.25

−0.30

f 1.380+0.391
−0.304 1.110+0.464

−0.291 0.867+0.296
−0.233 0.593+0.193

−0.065 0.670+0.233
−0.097 0.597+0.162

−0.051 0.604+0.122
−0.065 0.604+0.140

−0.068 0.593+0.144
−0.050 0.595+0.098

−0.067

χ2
r 8.46 8.02 10.33 8.65 11.82 10.65 12.86 16.05 16.23 13.90

B+06c Teff (K) 1950+50
−100 1900+100

−100 1850+100
−100 1800+150

−150 1750+200
−50 1600+200

−100 1550+100
−50 1500+200

−50 1450+50
−100 1450+50

−100

logg (cm s−2) 4.75+0.50
−0.23 4.92+0.35

−0.23 4.67+0.23
−0.13 4.65+0.20

−0.10 4.62+0.25
−0.10 4.92+0.40

−0.30 4.75+0.30
−0.20 4.65+0.40

−0.13 4.97+0.25
−0.45 4.88+0.35

−0.33

f 1.620+0.227
−0.350 1.380+0.321

−0.092 1.140+0.314
−0.173 0.795+0.288

−0.191 0.984+0.125
−0.281 0.634+0.115

−0.107 0.571+0.068
−0.057 0.626+0.023

−0.086 0.559+0.041
−0.035 0.560+0.067

−0.034

χ2
r 1.14 1.10 1.15 1.66 1.69 2.48 2.91 4.58 6.47 5.70

H+07 Teff (K) 1800+0
−100 1800+0

−100 1800+0
−100 1800+0

−200 1700+100
−100 1700+100

−200 1700+100
−200 1600+200

−100 1500+200
−100 1500+100

−200

logg (cm s−2) 5.00+0.35
−0.25 5.05+0.38

−0.10 5.10+0.25
−0.28 5.05+0.33

−0.30 4.92+0.38
−0.30 4.83+0.48

−0.30 5.03+0.35
−0.35 5.03+0.28

−0.38 5.05+0.33
−0.38 5.10+0.23

−0.45

f 1.660+0.215
−0.096 1.790+0.166

−0.578 1.240+0.615
−0.420 0.774+0.321

−0.187 0.891+0.447
−0.205 0.721+0.221

−0.129 0.579+0.245
−0.066 0.652+0.236

−0.102 0.637+0.254
−0.082 0.648+0.191

−0.133

χ2
r 18.05 14.01 16.79 19.78 22.52 15.89 16.04 20.52 20.73 17.64

H+07c Teff (K) 1800+0
−0 1800+0

−0 1800+0
−100 1700+100

−100 1700+100
−0 1600+100

−100 1500+300
−0 1500+100

−100 1500+100
−200 1400+100

−100

logg (cm s−2) 4.65+0.65
−0.13 5.20+0.15

−0.63 4.95+0.28
−0.33 4.92+0.23

−0.25 4.92+0.30
−0.23 4.80+0.45

−0.25 4.75+0.43
−0.18 4.78+0.35

−0.13 4.80+0.40
−0.28 4.88+0.25

−0.28

f 1.900+0.077
−0.056 1.900+0.099

−0.126 1.640+0.180
−0.372 0.968+0.365

−0.179 1.120+0.201
−0.219 0.607+0.095

−0.036 0.596+0.098
−0.070 0.567+0.137

−0.012 0.601+0.141
−0.068 0.569+0.164

−0.064

χ2
r 3.48 2.53 2.98 4.27 3.51 4.44 6.11 10.48 8.41 9.42

M+11 Teff (K) 1800+0
−100 1800+0

−100 1800+0
−100 1700+100

−100 1700+100
−0 1800+0

−200 1700+0
−200 1700+100

−300 1400+100
−100 1500+100

−200

logg (cm s−2) 5.22+0.20
−0.38 5.12+0.30

−0.33 5.05+0.30
−0.25 5.00+0.38

−0.33 5.05+0.25
−0.38 4.90+0.33

−0.23 5.05+0.38
−0.40 5.00+0.38

−0.38 4.83+0.50
−0.30 5.00+0.35

−0.30

f 1.820+0.184
−0.255 1.730+0.177

−0.324 1.390+0.427
−0.589 0.854+0.338

−0.223 0.873+0.496
−0.218 0.585+0.274

−0.044 0.686+0.223
−0.111 0.685+0.231

−0.081 0.662+0.208
−0.110 0.616+0.240

−0.070

χ2
r 15.68 13.98 16.25 18.01 21.06 14.31 16.70 21.00 27.99 18.27

M+11c Teff (K) 1700+0
−0 1700+0

−0 1700+0
−100 1600+100

−100 1600+100
−100 1600+100

−100 1500+200
−100 1400+100

−100 1400+0
−100 1300+200

−100

logg (cm s−2) 4.55+0.45
−0.00 4.55+0.30

−0.85 4.55+0.20
−0.35 4.20+0.50

−0.50 4.25+0.60
−0.60 4.15+0.65

−0.40 4.20+0.55
−0.55 3.90+0.55

−0.35 4.30+0.50
−0.50 4.20+0.75

−0.65

f 1.950+0.009
−0.000 1.960+0.040

−0.000 1.750+0.201
−0.060 1.380+0.406

−0.276 1.440+0.448
−0.167 0.634+0.295

−0.069 0.658+0.358
−0.106 0.866+0.364

−0.268 0.560+0.157
−0.018 0.698+0.266

−0.144

χ2
r 4.50 2.43 1.05 1.19 1.19 1.16 1.42 1.78 1.71 2.94

A+12c Teff (K) 2200+200
−200 2100+100

−200 2000+100
−200 1900+100

−100 1900+100
−200 1600+100

−200 1500+100
−100 1500+200

−100 1400+100
−100 1300+100

−150

logg (cm s−2) 4.20+0.95
−0.65 4.80+0.45

−0.65 4.95+0.35
−0.90 5.05+0.05

−0.85 5.10+0.30
−0.85 5.00+0.15

−0.55 4.75+0.55
−0.65 4.40+0.50

−0.60 4.15+0.40
−0.35 4.05+0.95

−0.15

f 1.120+0.544
−0.285 1.190+0.619

−0.277 1.050+0.276
−0.226 0.824+0.074

−0.254 0.879+0.487
−0.242 0.758+0.279

−0.231 0.809+0.175
−0.199 0.657+0.250

−0.106 0.614+0.166
−0.023 0.707+0.232

−0.154

χ2
r 0.55 0.47 0.70 0.41 0.37 0.55 0.51 0.33 0.75 1.98

M+12c Teff (K) 1300+0
−0 1300+0

−0 1300+0
−0 1300+0

−0 1300+0
−0 1300+0

−100 1300+0
−100 1300+0

−100 1200+100
−100 1300+0

−200

logg (cm s−2) 5.10+0.30
−0.32 5.00+0.30

−0.50 5.20+0.00
−0.22 5.25+0.00

−0.94 5.45+0.00
−0.30 5.20+0.15

−0.42 5.25+0.20
−0.42 5.25+0.20

−0.75 5.20+0.25
−0.42 5.35+0.10

−0.47

f 1.940+0.025
−0.100 1.850+0.129

−0.000 1.910+0.079
−0.311 1.900+0.000

−0.221 1.970+0.000
−0.283 1.650+0.286

−0.358 1.440+0.303
−0.311 1.590+0.298

−0.694 1.240+0.558
−0.356 1.050+0.540

−0.258

χ2
r 94.89 88.48 62.79 42.37 37.39 26.42 24.70 29.74 24.55 20.38

S+12 Teff (K) 1500+0
−0 1500+0

−0 1500+0
−0 1500+0

−0 1500+0
−0 1300+200

−100 1500+0
−300 1300+200

−100 1300+200
−150 1300+0

−150

logg (cm s−2) 4.73+0.40
−0.18 4.58+0.67

−0.05 5.12+0.13
−0.47 4.68+0.45

−0.15 4.73+0.35
−0.13 4.66+0.40

−0.18 4.73+0.37
−0.20 4.94+0.26

−0.89 4.66+0.35
−0.71 4.80+0.38

−0.53

f 1.920+0.073
−0.061 1.950+0.035

−0.099 1.810+0.085
−0.187 1.530+0.352

−0.623 1.610+0.331
−0.326 0.852+0.587

−0.173 0.780+0.380
−0.147 0.826+0.367

−0.215 0.751+0.306
−0.185 0.626+0.425

−0.089

χ2
r 46.04 38.96 27.58 19.81 21.19 32.47 19.66 44.78 38.70 35.54

M+19 Teff (K) 2500+100
−200 2300+200

−200 2200+100
−200 2100+100

−300 2000+200
−200 1800+200

−100 1800+100
−200 1700+200

−200 1500+300
−100 1600+100

−200

logg (cm s−2) 5.04+0.74
−1.76 4.50+1.26

−1.26 4.66+1.18
−1.86 4.34+1.34

−1.98 4.28+1.50
−1.68 4.76+0.98

−2.03 4.96+0.84
−2.08 4.66+1.16

−1.70 5.04+0.74
−1.54 4.86+0.86

−0.84

f 0.573+0.152
−0.048 0.604+0.114

−0.073 0.588+0.103
−0.064 0.583+0.132

−0.058 0.587+0.150
−0.071 0.584+0.139

−0.061 0.593+0.101
−0.064 0.607+0.149

−0.074 0.604+0.107
−0.081 0.594+0.089

−0.065

χ2
r 4.95 5.72 7.93 12.75 12.42 22.34 25.34 28.11 31.72 34.55

P+20 Teff (K) 1800+0
−0 1800+0

−0 1800+0
−100 1800+0

−100 1800+0
−100 1600+100

−100 1500+200
−0 1600+0

−200 1500+100
−100 1400+100

−100

logg (cm s−2) 4.12+0.60
−0.75 4.10+1.08

−0.09 4.01+0.57
−1.01 4.02+1.07

−1.02 3.17+0.90
−0.40 3.10+0.99

−0.33 3.23+0.85
−0.40 3.25+0.22

−0.38 3.23+0.82
−1.15 3.12+0.81

−0.14

f 1.850+0.111
−0.162 1.880+0.056

−0.193 1.560+0.329
−0.333 0.867+0.273

−0.151 1.030+0.230
−0.201 0.609+0.152

−0.081 0.577+0.101
−0.044 0.563+0.132

−0.027 0.571+0.085
−0.062 0.586+0.139

−0.065

χ2
r 3.17 1.96 1.87 2.31 2.01 2.40 3.58 4.17 5.45 4.03

M+21 Teff (K) 2100+200
−100 2100+200

−200 2000+200
−100 1900+100

−200 2000+100
−200 1600+100

−100 1600+0
−100 1500+100

−100 1500+0
−200 1400+100

−100

logg (cm s−2) 3.80+1.10
−0.65 4.15+0.80

−0.94 3.95+0.93
−0.67 3.69+0.96

−0.44 3.61+0.84
−0.47 3.72+0.67

−0.49 3.38+0.75
−0.23 3.28+0.59

−0.18 3.23+0.92
−0.13 3.28+0.63

−0.13

f 1.030+0.326
−0.348 0.990+0.492

−0.291 0.850+0.386
−0.210 0.715+0.286

−0.148 0.685+0.382
−0.125 0.706+0.131

−0.128 0.595+0.138
−0.060 0.623+0.171

−0.070 0.551+0.194
−0.029 0.600+0.150

−0.083

χ2
r 0.84 0.76 1.15 1.61 1.58 2.90 2.89 5.43 4.05 4.19

K+21 Teff (K) 1300+0
−0 1300+0

−0 1300+0
−0 1300+0

−0 1300+0
−0 1300+0

−50 1300+0
−50 1300+0

−50 1300+0
−100 1300+0

−100

logg (cm s−2) 4.17+0.53
−0.18 4.68+0.30

−0.78 4.57+0.83
−1.03 3.90+0.65

−0.39 4.13+0.33
−0.46 3.88+0.48

−0.34 3.90+0.50
−0.29 3.78+0.55

−0.16 3.78+0.43
−0.19 3.82+0.15

−0.14

f 1.910+0.049
−0.054 1.910+0.061

−0.055 1.970+0.023
−0.124 1.780+0.165

−0.174 1.910+0.063
−0.022 0.943+0.248

−0.199 0.852+0.148
−0.235 0.760+0.208

−0.137 0.584+0.241
−0.049 0.567+0.141

−0.034

χ2
r 81.99 76.91 58.18 31.46 34.48 28.71 27.26 35.02 19.66 14.84
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Table 4. Results of the random forest retrieval algorithm for the SpeX prism standard brown dwarfs and T0 - T8 spectral classes.

Model Parameter T0 T1 T2 T3 T4 T5 T6 T7 T8

B+97 Teff (K) 1100+99
−0 1100+99

−100 1100+99
−100 1100+99

−100 1100+99
−100 1100+99

−100 997+100
−198 799+198

−200 699+100
−100

logg (cm s−2) 5.05+0.25
−0.37 4.93+0.32

−0.35 4.83+0.57
−0.25 4.98+0.42

−0.40 4.88+0.42
−0.30 4.83+0.37

−0.25 4.68+0.62
−0.43 4.58+0.67

−0.48 4.63+0.77
−0.79

f 1.210+0.475
−0.279 1.230+0.507

−0.485 1.330+0.509
−0.579 1.460+0.401

−0.498 1.280+0.378
−0.384 0.745+0.297

−0.195 0.843+0.809
−0.276 1.020+0.777

−0.474 1.050+0.697
−0.367

χ2
r 88.02 86.69 92.38 76.89 84.90 78.19 121.27 145.13 410.34

B+06 Teff (K) 1500+100
−100 1500+0

−100 1500+100
−100 1400+100

−100 1300+200
−100 1200+200

−200 1000+100
−100 900+200

−100 800+200
−100

logg (cm s−2) 4.85+0.28
−0.18 4.95+0.28

−0.25 5.00+0.36
−0.15 5.17+0.15

−0.35 5.22+0.20
−0.40 5.25+0.13

−0.55 5.30+0.15
−0.45 5.17+0.23

−0.30 5.12+0.33
−0.33

f 0.609+0.129
−0.061 0.600+0.053

−0.076 0.574+0.216
−0.071 0.625+0.204

−0.087 0.551+0.221
−0.027 0.587+0.264

−0.075 0.633+0.446
−0.093 0.781+0.341

−0.241 0.679+0.269
−0.139

χ2
r 12.21 13.72 8.84 9.15 12.71 11.73 21.15 27.33 35.82

B+06c Teff (K) 1400+100
−100 1300+150

−100 1400+100
−150 1250+250

−100 1200+100
−50 1100+100

−100 1050+100
−100 950+100

−100 800+200
−100

logg (cm s−2) 4.85+0.28
−0.28 4.75+0.45

−0.18 5.17+0.20
−0.40 5.12+0.35

−0.25 5.12+0.23
−0.43 5.17+0.23

−0.28 5.28+0.10
−0.38 5.08+0.29

−0.33 5.20+0.18
−0.30

f 0.556+0.068
−0.053 0.553+0.071

−0.020 0.632+0.197
−0.117 0.662+0.193

−0.127 0.585+0.157
−0.054 0.635+0.283

−0.103 0.634+0.238
−0.113 0.667+0.273

−0.121 0.652+0.172
−0.109

χ2
r 4.45 8.06 5.01 8.48 14.38 15.16 20.57 26.45 36.69

H+07 Teff (K) 1400+200
−0 1400+200

−100 1500+100
−100 1400+100

−100 1300+100
−100 1200+100

−100 1000+100
−100 1000+100

−100 800+200
−100

logg (cm s−2) 5.05+0.33
−0.45 5.15+0.18

−0.33 5.10+0.30
−0.30 5.20+0.20

−0.33 5.12+0.28
−0.33 5.35+0.08

−0.40 5.17+0.25
−0.38 5.20+0.23

−0.40 5.15+0.28
−0.38

f 0.612+0.127
−0.085 0.592+0.192

−0.069 0.644+0.174
−0.072 0.583+0.212

−0.035 0.683+0.102
−0.151 0.619+0.154

−0.076 0.693+0.246
−0.111 0.639+0.410

−0.110 0.644+0.306
−0.121

χ2
r 15.90 16.05 11.81 10.95 14.15 15.98 24.16 26.39 41.24

H+07c Teff (K) 1400+0
−100 1400+100

−100 1400+100
−12 1300+100

−100 1300+100
−100 1100+200

−0 1100+300
−0 900+200

−100 800+200
−100

logg (cm s−2) 5.10+0.25
−0.48 4.83+0.43

−0.33 4.92+0.23
−0.40 5.08+0.25

−0.30 5.00+0.20
−0.35 5.28+0.13

−0.33 5.19+0.24
−0.44 5.17+0.25

−0.45 5.28+0.18
−0.35

f 0.615+0.111
−0.101 0.571+0.121

−0.060 0.547+0.179
−0.013 0.646+0.208

−0.090 0.591+0.223
−0.045 0.613+0.132

−0.069 0.643+0.245
−0.074 0.829+0.475

−0.230 0.699+0.343
−0.151

χ2
r 10.68 8.68 7.41 10.15 11.20 15.45 23.10 28.83 42.73

M+11 Teff (K) 1500+0
−100 1400+100

−100 1400+100
−100 1400+0

−200 1300+100
−100 1100+200

−0 1000+300
−100 1000+100

−100 800+200
−100

logg (cm s−2) 5.10+0.23
−0.30 5.00+0.43

−0.38 5.00+0.43
−0.38 5.28+0.05

−0.53 5.17+0.30
−0.45 5.12+0.23

−0.23 5.15+0.23
−0.38 5.25+0.26

−0.15 5.15+0.25
−0.28

f 0.574+0.155
−0.042 0.606+0.102

−0.062 0.734+0.276
−0.122 0.585+0.236

−0.076 0.646+0.145
−0.070 0.665+0.279

−0.099 0.721+0.303
−0.186 0.683+0.264

−0.154 0.819+0.470
−0.266

χ2
r 14.22 16.02 13.79 10.13 13.51 16.36 22.63 25.30 255.51

M+11c Teff (K) 1400+0
−200 1300+100

−100 1400+100
−200 1200+100

−150 1100+200
−100 950+150

−50 900+150
−100 900+75

−100 800+100
−100

logg (cm s−2) 4.70+0.25
−0.75 4.20+0.60

−0.35 4.70+0.25
−0.65 4.65+0.30

−0.65 4.60+0.38
−0.65 4.90+0.05

−0.30 4.90+0.05
−0.30 4.90+0.10

−0.35 4.80+0.15
−0.45

f 0.642+0.265
−0.098 0.653+0.343

−0.114 0.637+0.363
−0.097 0.908+0.294

−0.276 0.744+0.253
−0.169 0.843+0.582

−0.187 1.030+0.528
−0.403 0.858+0.487

−0.244 0.974+0.702
−0.399

χ2
r 2.25 4.90 3.92 12.80 13.00 18.80 22.01 33.70 47.30

A+12c Teff (K) 1300+100
−150 1200+100

−100 1200+100
−100 1200+100

−150 1100+100
−100 1050+50

−100 950+100
−100 900+50

−100 700+150
−50

logg (cm s−2) 4.30+1.00
−0.60 4.00+0.55

−0.45 4.55+0.75
−1.05 4.90+0.40

−0.95 4.05+0.90
−0.55 4.35+0.45

−0.55 3.95+0.60
−0.65 3.75+0.65

−0.55 3.50+0.95
−0.40

f 0.765+0.363
−0.209 0.844+0.167

−0.203 1.120+0.669
−0.269 0.948+0.401

−0.188 0.941+0.615
−0.230 0.858+0.440

−0.167 0.846+0.658
−0.255 0.737+0.630

−0.159 0.743+0.315
−0.171

χ2
r 1.06 2.56 1.81 3.07 3.46 4.32 9.50 15.22 16.46

M+12c Teff (K) 1300+0
−200 1300+0

−200 1200+100
−100 1200+100

−100 1200+100
−200 1000+100

−100 900+200
−100 800+100

−0 700+100
−0

logg (cm s−2) 5.30+0.20
−0.47 5.30+0.20

−0.47 5.30+0.10
−0.37 5.30+0.20

−0.42 5.25+0.20
−0.32 5.15+0.25

−0.27 5.10+0.35
−0.47 5.15+0.30

−0.62 5.10+0.25
−0.57

f 1.020+0.331
−0.377 0.928+0.716

−0.294 1.280+0.321
−0.279 0.989+0.461

−0.267 0.908+0.723
−0.247 1.060+0.464

−0.444 0.932+0.465
−0.346 0.890+0.620

−0.284 0.814+0.495
−0.244

χ2
r 16.85 13.95 12.24 10.29 10.07 11.52 17.13 22.91 35.76

S+12 Teff (K) 1300+200
−150 1200+100

−50 1300+200
−100 1300+0

−150 1200+100
−50 1150+50

−150 1050+100
−150 900+100

−100 800+100
−100

logg (cm s−2) 4.88+0.30
−0.55 4.66+0.47

−0.51 4.73+0.47
−0.33 4.93+0.20

−0.37 4.82+0.25
−0.50 4.82+0.18

−0.27 4.85+0.15
−0.48 4.80+0.25

−0.45 4.85+0.30
−0.65

f 0.686+0.193
−0.139 0.735+0.291

−0.195 0.887+0.200
−0.247 0.840+0.191

−0.191 0.745+0.294
−0.105 0.703+0.446

−0.161 0.700+0.427
−0.108 0.765+0.337

−0.137 0.595+0.234
−0.073

χ2
r 28.47 33.30 18.09 14.04 22.26 16.92 23.69 32.09 40.01

M+19 Teff (K) 1500+200
−100 1400+200

−100 1500+300
−100 1400+300

−200 1400+200
−200 1300+200

−100 1200+400
−200 1200+300

−300 1000+300
−200

logg (cm s−2) 5.20+0.52
−1.74 5.24+0.54

−1.42 5.30+0.60
−1.74 5.32+0.40

−1.78 5.12+0.58
−1.50 4.98+0.72

−1.18 4.66+0.86
−1.62 4.49+1.05

−1.87 4.42+0.94
−1.58

f 0.583+0.122
−0.060 0.595+0.129

−0.054 0.623+0.130
−0.094 0.635+0.158

−0.095 0.600+0.199
−0.069 0.588+0.168

−0.057 0.616+0.267
−0.078 0.664+0.257

−0.121 0.656+0.323
−0.114

χ2
r 34.66 37.87 30.41 42.21 38.52 53.97 71.25 94.88 122.69

P+20 Teff (K) 1400+0
−100 1300+100

−100 1300+100
−100 1200+100

−100 1200+0
−100 1000+100

−0 1000+0
−100 800+100

−0 700+100
−0

logg (cm s−2) 3.12+0.98
−1.02 3.73+0.45

−0.73 4.08+1.14
−0.08 4.00+0.77

−0.97 3.92+0.15
−0.88 4.01+0.68

−0.93 3.42+1.20
−0.42 3.77+1.20

−0.78 3.84+1.69
−0.46

f 0.604+0.111
−0.088 0.567+0.152

−0.064 0.716+0.187
−0.138 0.675+0.421

−0.152 0.650+0.230
−0.108 0.773+0.145

−0.207 0.736+0.292
−0.200 0.801+0.334

−0.229 0.816+0.272
−0.236

χ2
r 2.12 2.49 1.53 1.55 1.45 1.14 4.05 6.46 8.05

M+21 Teff (K) 1400+100
−100 1300+100

−0 1400+0
−100 1300+0

−100 1200+100
−0 1100+0

−100 950+50
−50 900+50

−50 750+50
−50

logg (cm s−2) 3.35+1.02
−0.28 3.82+0.75

−0.45 3.74+0.91
−0.49 4.40+0.68

−0.71 4.53+0.58
−1.10 5.15+0.30

−1.00 4.88+0.43
−0.80 4.68+0.43

−0.73 4.55+0.33
−0.55

f 0.595+0.223
−0.053 0.537+0.161

−0.023 0.663+0.229
−0.107 0.692+0.241

−0.120 0.677+0.143
−0.112 0.686+0.246

−0.097 0.735+0.246
−0.195 0.714+0.306

−0.162 0.706+0.256
−0.152

χ2
r 2.16 3.55 1.39 1.74 1.04 0.79 3.83 4.92 5.69

K+21 Teff (K) 1300+0
−50 1250+50

−50 1300+0
−50 1250+50

−50 1250+50
−100 1100+50

−100 1000+100
−50 850+100

−50 750+50
−50

logg (cm s−2) 3.69+0.41
−0.18 3.74+0.31

−0.15 3.95+0.35
−0.44 4.10+1.02

−0.51 3.88+0.28
−0.16 3.97+1.03

−0.39 3.85+0.43
−0.31 3.95+0.45

−0.34 3.82+0.40
−0.21

f 0.686+0.129
−0.149 0.545+0.224

−0.038 0.761+0.235
−0.138 0.698+0.196

−0.135 0.573+0.172
−0.063 0.608+0.161

−0.069 0.631+0.160
−0.089 0.999+0.523

−0.413 0.659+0.476
−0.110

χ2
r 9.06 7.96 8.47 3.68 3.87 4.14 7.10 10.78 13.84
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ABSTRACT

We present photometric and spectroscopic data for the nearby Type I supernova (SN Ia) 2019eix

(originally classified as a SN Ic), from its discovery day up to 100 days after maximum brightness.

Before maximum light SN 2019eix resembles a typical SN Ic, albeit lacking the usual O I feature. Its

lightcurve is similar to the typical SN Ic with decline rates of (∆M15,V = 0.84) and absolute magnitude

of MV = −18.35. However, after maximum light this SN has unusual spectroscopic features, a large

degree of line blending, significant line blanketing in the blue (λ < 5000Å), and strong Ca II absorption

features during and after peak brightness. These unusual spectral features are similar to models of sub-

luminous thermonuclear explosions, specifically double-detonation models of SNe Ia. Photometrically

SN 2019eix appears to be somewhat brighter with slower decline rates than other double detonation

candidates. We modeled the spectra using the radiative transfer code TARDIS using SN 1994I (a

SN Ic) as a base model to see whether we could reproduce the unusual features of SN 2019eix and

found them to be consistent with the exception of the O I feature. We also compared SN 2019eix with

double detonation models and found them to match the observations of SN 2019eix best, but failed to

reproduce its full photometric and spectroscopic evolution.

Keywords: supernovae, SN 2019eix - supernovae

1. INTRODUCTION

As the number of supernova discoveries has grown

over time, previously rare or unseen supernovae are be-

ing found in increasing numbers. Often their classifi-

cation can be unclear and their properties may over-

lap between different classes, making these SNe unique.

Consequently, new discoveries have shed light on the di-

versity of supernovae, and all-sky surveys have played a

Corresponding author: Estefania Padilla Gonzalez

epadillagonzalez@ucsb.edu

crucial role in this. For instance, all-sky surveys have

discovered interacting SNe with different Circumstellar

Material (CSM) compositions, including SNe Ibn (Hos-

seinzadeh et al. 2017) and SNe Icn (Gal-Yam et al.

2022; Pellegrino et al. 2022). Similarly, even the “well

understood” SNe Ia observations have shwown pecu-

liarity in observations that point to diverse explosion

mechanisms. These include “.Ia” explosions of a helium

flash on a white dwarf (Kasliwal & Kulkarni 2012; Poz-

naski et al. 2010), “Sub-Chadrashekar” explosion of He

burning followed by second detonation in the core via

converging shocks (Fink et al. 2010; De et al. 2019),

“Super-Chandrasekhar” explosions of rapidly spinning
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WD whose limiting mass could exceed the 1.4M� (How-

ell et al. 2006; Contreras et al. 2010; Chakradhari et al.

2014; Parrent et al. 2016), and SNe Ia CSM, explosions

of SN Ia whose material interacts with the CSM (Raskin

& Kasen 2013; Shen et al. 2013).

The progenitor channel that gives rise to SNe Ia is a

subject of controversy, with the two primary compet-

ing scenarios being the single-degenerate and double-

degenerate models. In the single degenerate channel,

a White Dwarf (WD) accretes matter from a main se-

quence or neutron star (Whelan & Iben 1973). As the

WD accretes matter from its companion star, it grows

in mass until it approaches a critical limit known as the

Chandrasekhar mass. At this point, a runaway nuclear

fusion reaction is triggered in the carbon and oxygen-

rich material, leading to a powerful thermonuclear ex-

plosion (Arnett 1969; Nomoto et al. 1984).

In the double degenerate channel two white dwarfs

merge and explode (Iben & Tutukov 1984). Whether or

not supernovae are triggered by approaching the Chan-

drasekhar mass to ignite carbon is debated. Addition-

ally, there exists an alternative explosion mechanisms for

WDs by which a WD accretes sufficient He mass (from

a He-rich companion) and undergoes ignition, leading

to a detonation from the He layer. The detonation of

a pure He-shell produces fast and faint transients and

they have been used to explain these Calcium-rich tran-

sients (Perets et al. 2010). Various concerns have been

studied, including the conditions for the detonation of

the He shell and whether the He detonation can trigger a

detonation in the underlying Carbon and Oxygen (CO)

core (referred to as the double-detonation scenario, see

e.g. Bildsten & Shen 2007; Fink et al. 2010; Sim et al.

2012; Shen & Bildsten 2014; Shen et al. 2018).

Subsequently, various studies have also explored the

characteristics of these double detonation events by

varying the mass of the He-shell and the CO WD mass

(Kromer et al. 2010; Sim & Röpke 2010; Sim et al. 2012;

Polin et al. 2019). In double-detonation simulations,

the models which approach the limiting case of a bare

CO WD detonation are capable of roughly reproduc-

ing observations of SNe Ia (Sim & Röpke 2010; Shen

et al. 2018). In contrast, the observables are much dif-

ferent in models which have a thicker He-shell due to

the He-rich burning products in the outer ejecta (Sim

& Röpke 2010; Shen et al. 2010; Kromer et al. 2010;

Polin et al. 2019). As a result, the main spectroscopic

observable for these events is a strong suppression in

the blue regime. OGLE-2013-SN-079, SN 2016hnk1, SN

2016dsg, and 2018byg are all of the double detonation

candidates available in literature and from the sample

all candidates display such depletion (Inserra et al. 2015;

Jacobson-Galan et al. 2020; De et al. 2019; Dong et al.

2022). Interestingly, these handful of candidates with

the exception of SN 2016hnk have all been found in the

outskirts of their host galaxies (with a host type of E

or S0; De et al. 2019; Dong et al. 2022; Inserra et al.

2015), suggesting an older stellar population progenitor

for these events.

Subluminous thermonuclear explosions, a subclass of

SNe Ia that are 1 to 2 magnitudes dimmer than nor-

mal Type Ia’s, have been more difficult to understand.

Hachinger et al. (2009) confirmed that nuclear burning

in dim, 91bg-like SNe Ia stops at less advanced stages

compared to normal SNe Ia. Despite this finding, the ex-

plosion mechanism of subluminous supernovae remains

a topic of debate. Some proposed models for sublu-

minous Type Ia supernovae include explosions of sub-

Chandrasekhar mass WDs (Fink et al. 2010) or WDs

that undergo a partial deflagration followed by a delayed

detonation (Hoeflich et al. 2002; Mazzali et al. 2007).

Similar to SNe Ia, SNe Ib/c also show a wide range

of physical properties. They are core-collapse explosions

of massive stars (> 8M�) whose outermost layers have

been partly or completely stripped of Hydrogen and He-

lium (Clocchiatti et al. 1997). A wide variety of SNe

Ib/c exist (for a review on CCSNe, see Filippenko 1997

and Modjaz et al. 2019). Their luminosity and kinetic

energy can range more than an order of magnitude, as

seen from the overluminous SN 1998bw to the sublu-

minous SN 2004aw (Drout et al. 2011; Mazzali et al.

2009). In addition to the significant luminosity range,

the light curves and spectra also are considerably diverse

(Liu et al. 2016; Fremling et al. 2018; Williamson et al.

2019; Barbarino et al. 2021). SN 1994I is an example

of a normal Type Ic spectroscopically, but stands out

due to its fast decline in the R-filter magnitude from

maximum time to 15 days later (∆m15,R = 1.5 mag,

Drout et al. 2011; Bianco et al. 2014; Prentice et al.

2016). Furthermore, some SNe Ic are characterized by

broad features (Type Ic-BL). This type is sometimes as-

sociated with gamma-ray bursts (GRBs); see Woosley &

Bloom (2006) for a review. SNe Ic-BL are spectroscop-

ically distinct in terms of their extreme velocity values

that cause the spectral features to blend (Modjaz et al.

2016).

1 although whether it is a double detonation is still debated (Gal-
bany et al. 2019)
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In this paper, we discuss the peculiar object SN

2019eix. This object is unique because it has many simi-

larities to two distinct classes (e.g., classes: Type Ic and

peculiar Type Ia). We will model this object to attempt

to find its progenitor and explosion mechanism, more

specifically whether it is a core-collapse or a thermonu-

clear event. The paper is arranged as follows. In Section

2, we discuss the discovery and observations. In Section

3, we discuss reddening, light curve and spectral analy-

sis in detail. In Section 4, we model the spectra in two

different ways: to replicate the core-collapse SN Ic sce-

nario we directly model the spectra using the radiative

transfer code TARDIS (Kerzendorf & Sim 2014; Kerzen-

dorf et al. 2022a) and to replicate the double-detonation

SN Ia scenario we compare the spectra and light curve

models from Kromer et al. (2010); Sim et al. (2012);

Polin et al. (2019) to SN 2019eix. Additionally, we use

Arnett’s model to infer masses of ejecta and 56Ni, to bet-

ter understand the progenitor of the supernova. Finally,

in Section 5 we discuss the possible physical origins and

classification of SN 2019eix and conclude in Section 6.

2. DISCOVERY AND OBSERVATIONS

2.1. Discovery

SN 2019eix was discovered by ATLAS on 2019, May

1.59 UT, using the instrument ACAM1 at Haleakalā

with a discovery magnitude of 17.0 in the cyan filter

(Tonry et al. 2019). The last non-detection of the same

object was on 2019, April 21.63 UT with a magnitude

of 18.39 (orange filter) from the same telescope. A clas-

sification report was provided about a week after its

discovery (2019, May 7th), with a classification spec-

trum taken on 2019, May 5th with the 3 meter Lick

Shane reflector telescope suggesting that SN 2019eix was

a Type Ic supernova. Due to the lack of early pho-

tometry the explosion epoch 2458600 JD was adopted

throughout the paper assuming a rise time of 16 days

to its maximum light in the r band. A typical Ic rise

time falls between 13-16 days (Taddia et al. 2017) and

SN 2019eix appears to be on the wide side for SNe Ic

as shown in Figure 6 thus the choice for 16 days (and

the fact that SN 2019eix has similar lightcurves to SNe

Ic). The classification spectrum was downloaded from

the Transient Name Server (TNS)2 and was included in

our analysis. The supernova is located at right ascen-

sion 18h42m42s.89 and declination +40◦22′07”.8, and

is situated in the host galaxy NGC 6695 with a red-

shift of z = 0.018303 (Corrales 2015). In Figure 1,

we show an image of the field of view, location, and

2 https://www.wis-tns.org/

18h42m38s40s42s44s46s48s

+40°21'40"

22'00"

20"

40"
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RA2000

DE
C 2

00
0

Figure 1. gri band staked image of the host of SN 2019eix.
The location of the SN is marked in red crosshair.

host galaxy of SN 2019eix in the gri bands taken with

the 1-m telecope of Las Cumbres Observatory (LCO;

Brown et al. 2013) on 2019, May 4th. The distance

of the galaxy NGC 6695 is ≈83.80 Mpc according to

the NASA Extragalactic Database (NED)3 where the

Tully-Fisher method was used to calculate the luminos-

ity distance (Theureau et al. 2007). The Milky Way ex-

tinction value E(B−V ) = 0.0604 was adopted from the

Schlafly & Finkbeiner (2011) calibration of the Schlegel

& Finkbeiner (1998) dust maps.

2.2. Photometry

After the discovery, the Global Supernova Project ob-

tained photometry in BVgri bands using the 1-m tele-

scopes of LCO . We reduced the data using lcogtsnpipe

(Valenti et al. 2016). PSF-fitting photometry was per-

formed and the zero points were calculated from the

Landolt standard catalogue (Landolt 1992) for the BV

filters. Additonally, the gri filter zeropoints were cal-

culated by incorporating the Sloan magnitudes of field

stars (Albareti et al. 2017). Besides LCO data, the pub-

lic Zwicky Transient Facility (ZTF)4 data including their

upper limits in the g and r bands, were used for com-

parison and are plotted in Figure 2.

Additional photometric information is presented in

Table 1, where it shows the time of maximum, the

peak absolute magnitude, and the decline rates for SN

2019eix. We measured the peak magnitude by fitting a

polynomial through the data points and used their max-

imum value. For the B filter where rising data is not

available, we used the peak magnitude from the B band

data as an estimate of the maximum light. A compari-

3 https://ned.ipac.caltech.edu/
4 https://alerce.online

https://www.wis-tns.org/
https://ned.ipac.caltech.edu/
https://alerce.online
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Figure 2. Milky Way extinction corrected photometry using
E(B − V )MW = 0.0604 as discussed in Section 2. These
data are not corrected for host extinction (see Section 3.1
for details on host extinction). The data was obtained from
LCO and ZTF, where the data points marked with downward
arrows represent the upper limits obtained from ZTF.

son of ∆m15 with typical supernovae against SN 2019eix

is shown in Table 2, where we can see that SN 2019eix’s

decline rates fall within the average values for SNe Ic

but are somewhat faster in the r and i band (but not

unprecedented, see Taddia et al. 2017).

2.3. Spectroscopy

As part of the Global Supernova Project follow-up,

LCO obtained a spectroscopic series using the FLOYDS

spectrograph mounted on the 2m Faulkes Telescope

North in Haleakalā, Hawai’i. The spectra were re-

duced as described in Valenti et al. (2013). We also

use the classification spectrum posted in TNS (described

above); the KAST 3m Lick Shane Reflector took the

spectrograph on 2019, May 5.0 UT. All spectra were cor-

rected for Milky Way reddening (E(B − V ) = 0.0604)

and host corrected by measuring the equivalent width of

Filter tmax(JD) Mmax ∆m15

B 2458609.8 -17.2 1.2

g 2458607.8 -18.12 1.0

V 2458612.9 -18.35 0.84

r 2458615.5 -18.63 0.95

i 2458616.35 -18.33 0.72

Table 1. Time of maximum light,
absolute magnitude, and decline rate
(∆m15, the drop in magnitudes be-
tween peak and 15 days after peak)
for SN 2019eix in each filter of its
lightcurve.

Filter 19eix IIb Ib Ic

B – 1.37(0.18) 1.52(0.19) 1.23(0.59)

g 1.0 1.10(0.10) 1.25(0.19) 1.11(0.45)

V 0.84 0.93(0.08) 1.03(0.19) 0.90(0.22)

r 0.95 0.67(0.08) 0.75(0.21) 0.62(0.24)

i 0.72 0.53(0.05) 0.57(0.16) 0.53(0.17)

Table 2. ∆m15 per filter for SN 2019eix compared
to average values for different SN types, the values
in parenthesis correspond to the error. Values were
obtained from Taddia et al. (2017).

the NaID doublet as described in section 3.1 and shown

in Figure 3.

3. ANALYSIS

3.1. Reddening and Light Curves

We investigated two techniques for determining host

galaxy reddening which produced different results as

shown in Table 3. In the first method, the equivalent

width of the sodium line Na ID was measured to be

EWNaID = 0.139[Å] from IRAF’s5 task splot, using

the equation Ahost
V = 0.78(± 0.15)× EWNaID[Å] from

Stringer et al. (2018). This gives Ahost
V = 0.04 ± 0.15

and an excess value of E(B-V) of 0.013 ± 0.002 assum-

ing a reddening law of Rv = 3.1.

The second method dealt with comparing the color

curves with a template of a typical Type Ic SN (Tad-

dia et al. 2017). We considered using this method due

to the similarities with Type Ic. Host-galaxy redden-

ing values are estimated through the comparison of ob-

5 https://iraf.net/

https://iraf.net/
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Figure 3. Spectral time series of SN 2019eix. Epochs
with respect to V band maximum are included on the right.
The dashed lines correspond to the absorption features listed
on the top of the figure. The spectra have been corrected
for both Milky Way and host extinction (see Section 3.1 for
details of host extinction). The last spectrum in the series
has an unusual flat-bottomed Ca feature, discussed more in
Section 3.2.

served optical and NIR colors to intrinsic color-curve

templates constructed from sub-samples of minimally-

reddened CSP-I Stripped Envelope SNe (Stringer et al.

2018). The templates can be found on the Carnegie Su-

pernova Project (CSP) page 6. Figure 4 shows the color

curve B-V of SN 2019eix and the SN Type Ic template

against time. The template is not an appropriate tem-

plate for the data as it does not match the shape of curve

due to its peculiarity, it is easier shown when the tem-

plate is raised by four standard deviations to “match”

the SN 2019eix color data. In Figure 5, we see that the

color evolution of SN 2019eix is inconsistent with SN

Ic, meanwhile it exhibits a notable agreement with SN

2016hnk (a double detonation candidate).

6 https://csp.obs.carnegiescience.edu/data/

Method E(B-V) σE(B−V )

Na ID 0.013 0.002

Color 0.96 0.06

Table 3. The color excess val-
ues for the host using two meth-
ods, the equivalent width of the
Na ID line listed as “Na ID” or
the weighted subtraction from
the color curve of the data and
the template listed on the table
as “template”.

The color excess from the weighted difference between

the two, is E(B-V) = 0.96. This value is inconsistent

with the one measured from the equivalent width of the

NaID absorption feature E(B-V) = 0.013. In addition,

studies have shown that the V-R for a SNe Ic is about

(V −R)V10 = 0.26 ± 0.06 mag where the V10 corresponds

to 10 days after V band maximum (Drout et al. 2011)

in contrast SN 2019eix has a value of (V − R)V10 =

0.3612. This points to the possibility that SN 2019eix

could be intrinsically more red than a normal SN Ic.

This supernova is inconsistent with a reddened normal

Type Ic, so we conclude that the red color is primarily

from the intrinsic red color of this peculiar event. We

therefore adopted the extinction value from the sodium

line to correct for reddening.

Figure 6 shows the lightcurves of SNe Ib, Ic, and

Ia (with sub-types such as 91bg and double-detonation

candidates) along with SN 2019eix in the B , r, and

i band. All SNe are Milky Way and host extinction

corrected. We observe that the peak absolute magni-

tude and shape is most similar to Type Ic’s including
SN 1999ex (Stritzinger et al. 2002) and various others

in gray. SN 2016dsg (a thermonuclear He-shell deto-

nation candidate, Dong et al. 2022) and SN 1991bg (a

subluminous SN Ia, Leibundgut et al. 1993) are the clos-

est in peak magnitude, particularly in the i band (al-

though fainter), with faster evolving light curves than

SN 2019eix. For instance, SN 2016dsg has an i band

decline rate around 0.077(0.003) mag/day (or ∆m15 =

1.15), as opposed to ∆m15 = 0.72 for SN 2019eix. Gen-

erally, from Figure 6 we see that SNe Ib/c appear to be

a better match to SN 2019eix than the thermonuclear

SNe in terms of their lightcurve.

3.2. Spectral Analysis

The striking features of the spectral sequence of SN

2019eix are concentrated in the suppression of the blue

color λ < 5000Å, the absence of O I feature (This is

https://csp.obs.carnegiescience.edu/data/
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Figure 4. Comparison between the color evolution of B-V
of SN 2019eix and the Type Ic template. This comparison
shows that the template is not a good fit for the color evo-
lution of SN 2019eix. The blue line represents a less likely
template which describes the data better, but is still a poor
fit.

peculiar for SNe Ic which have been shown to generally

have a strong O I 7774 feature, however an exception has

been observed; Fremling et al. 2018; Williamson et al.

2022), and the strong evolution of Ca II feature. In

Figure 7, we plot SN 2019eix along with various types

of SNe that match spectroscopically at different epochs.

We see that the early spectrum at -5 days before max-

imum matches SNe Ic (e.g. SN 1994I and SN 2007gr;

Gal-Yam 2016) with the exception of the lack of an O I

absorption feature. We also compared SN 2019eix with

SN 2019ewu, a peculiar Type Ic supernova that, like SN

2019eix, lacks an O I absorption feature. However, SN

2019ewu displays distinct characteristics at this epoch,

including an extreme blue continuum and high absorp-

tion velocities, which are not typically observed in SNe

Ic (Williamson et al. 2022). These peculiarities are out-
lined and discussed in greater detail in Section 3.4. We

refrain from comparing SN 2019ewu at later phases to

SN 2019eix due to the significant observational differ-

ences already mentioned and the reappearance of the

O I feature in the SN 2019ewu spectra.

At -5 days we see strong emission features in the blue

between 4000 to 5000 Å and a less pronounced Si II

feature, much less pronounced than the 91bg-like SN

2005bl. Moreover, as demonstrated in Figure 7, the

characteristics observed between 5500 and 6500 Å do not

align with those of SNe Ic. Furthermore, as indicated in

Figure 12, this particular feature is primarily attributed

to Si II. Generally, before maximum SN 2019eix looks

like SN 2005bl, but the similarities are not as apparent

as they are to SNe Ic.

At maximum light, the 3500 to 5000 Å region becomes

suppressed making it peculiar compared to the average

Ic. SN 2019eix appears to transition in appearance to

SN 2018byg a double-detonation candidate and to the

fast moving Type Ic PTF12gzk (although the photo-

spheric velocity is much slower than PTF12gzk, having

photospheric velocities of vph ≈ 10,500 km/s and vph ≈
15,300 km/s at peak, respectively; Ben-Ami et al. 2012).

Around 13 days after maximum, the suppression in the

blue along with the absence of O I feature persists. We

observe PTF12gzk to evolve like SN 2019eix up until

this epoch in terms its general shape (initially resem-

bling a Type Ic and evolving with suppressed features in

the blue). Nevertheless, we also noticed key differences

including a O I feature, a smoother profile, and a large

blueshift most apparent in the Ca II and Si II absorption

features in PTF12gzk. Similarly, the double-detonation

candidate SN 2016hnk and SN 2005bl (a 91bg-like) also

appear to have strong resemblance (however, SN 2005bl

does not have as strong of a suppression in the blue),

with the exception of the O I feature.

The epochs 22 and 32 days after maximum of

SN 2019eix seem to resemble 91bg-like and double-

detonation Ia’s as shown in Figure 7, but with even

stronger and more blended features. Additionally, the

Ca II feature becomes so broad and large that it even

appears to be saturated at 33 days after maximum. We

also notice a weak O I feature previously not observed

in the earlier spectra.

The spectral evolution presented in Figure 7 does not

fully match a typical Type Ic. This is illustrated fur-

ther when plotting SN 2019eix spectra with the mean

spectra of SN Ic illustrated in Figure 8. The templates

were used from the NYU SN group github page7 (Mod-

jaz et al. 2016). The grey shaded area represents one

standard deviation from the mean at various epochs.

These standard deviation regions quantify the spectral

diversity within the SN Ic class and facilitate the iden-

tification of anomalous features in SN 2019eix. From

Figure 8, the early spectrum is near the mean Type Ic

but not at later epochs. SN 2019eix reaches the upper

limits of the standard deviation from the mean template

and in some cases falls outside the one standard devia-

tion regime. This along with the lack of O I 7774 feature

shows that SN 2019eix is not a typical SN Ic spectro-

scopically.

3.3. Pseudo-Bolometric Luminosity

7 https://github.com/nyusngroup/SESNtemple/tree/master/
MeanSpec/

https://github.com/nyusngroup/SESNtemple/tree/master/MeanSpec/
https://github.com/nyusngroup/SESNtemple/tree/master/MeanSpec/
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Figure 5. The color evolution for SN 2019eix in black along with many SNe Ic (1994I, 2004aw, 2007gr,2004fe, 2004gt) in
pink, and sub-luminous Type Ia SNe (91bg, 2005bl, 2016hnk, and 2016dsg) in turquoise were plotted for comparison. Note the
difference between SN 2019eix and the SNe Ic. SN 2019eix is much redder than the typical Ic and seems to be more comparable
to SN 2016hnk (a double-dentonation candidate).

To estimate the pseudo-bolometric luminosity we used

the technique detailed in Howell et al. (2009). We

warped spectral templates for Type Ic SN found from

Peter Nugent’s page8 so that it matched our photom-

etry. We integrated the warped template to get the

pseudo bolometric flux at a given epoch where we had

data. A bolometric factor was applied in the end to ac-

count for the missing flux for those filters with no data

and a bolometric luminosity was computed. We also

made an effort to determine the bolometric luminosity

using a subluminous Type Ia template. Nonetheless, the

resulting luminosity showed only a slight alteration, in-

creasing from 3.5 × 1042 to 3.6 × 1042. As a result, we

decided that the estimate obtained using the Type Ic

8 https://c3.lbl.gov/nugent/nugent templates.html

template was more appropriate and opted to use it in

our analysis.

The bolometric luminosity of SN 2019eix is plotted

along other SNe Types as shown in Figure 9. The lumi-

nosity for Type Ib/c SNe was acquired from the Carnegie

supernova project’s website9. For the subluminous Type

Ia comparison, we used the double-detonation candi-

dates including SN 2016hnk from Jacobson-Galan et al.

(2020) and OGLE13-079 from Inserra et al. (2015); al-

though whether SN 2016hnk it’s a double detonation or

a 91bg-like it is still debated Galbany et al. (2019). For

the other subluminous Type Ia case we used SN 2005bl,

a 91bg-like from Taubenberger et al. (2008). From Fig-

ure 9, we can see that the maximum bolometric lumi-

nosity for SN 2019eix is about 3.5 × 1042 erg/s/cm2/Å.

9 https://csp.obs.carnegiescience.edu/data

https://c3.lbl.gov/nugent/nugent_templates.html
https://csp.obs.carnegiescience.edu/data
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Figure 6. Absolute magnitude of SN 2019eix and other Type Ib, Type Ic, and Sub-luminous Type Ia SNe are plotted in the B,
r, and i bands. All SNe have been extinction corrected. In this figure the gray (we chose to make some of these SNe in gray for
visibility purposes obtained from the Open Supernova Catalogue) and the red/pink lines represent SNe Type Ib/c. We can see
how SN 2019eix declines faster than the cobalt decay line and is most similar to Type Ib/c. The double-detonation candidates
SN 2016hnk (labeled with “?” as it is highly debated whether it’s a double detonation; Gal-Yam 2016), OGLE-2013-SN079 and
SN 2016dsg, in the bluer colors appear to be fainter and decline faster than SN 2019eix along with SN 91bg (a sublumnious
Type Ia). Generally we notice that SN 2019eix is more similar to Type Ib/c than the double-detonation candidates in terms of
light curves.

Comparing SN 2019eix with the various types of SNe in

this plot, we see that it is a better match to Type Ic.

However, SN 2019eix is more luminous than most Type

Ic; while much brighter than a subluminous SN Ia.

3.4. Photospheric Velocities

An essential property of the physics of the ejecta used

to measure important physical parameters such as the

ejecta and 56Ni mass, is the photospheric velocity. One

approach to estimate the photospheric velocity is by

measuring the Fe II 5018 line in the spectra. Because

the Fe II in our spectra was blended and difficult to iden-

tify as shown in Figure 10, we used the Si II 6355 line

instead. Figure 11 shows a comparison of the velocity

with other types of SNe, including Ic, Ic-BL, and sub-

luminous SNe Ia. SN 2019eix seems to have velocities

slightly above a typical SN Ic and be slower evolving.

The data from Figure 11 was taken from Ben-Ami et al.

(2012), Gutiérrez et al. (2021), Taddia et al. (2016) for

the SN Ic and SN Ic-BL. For the sub-luminous SN Ia,

we used SN 2016hnk (Calcium-rich transient from a pro-

posed He detonation; Jacobson-Galan et al. 2020), SN

2018byg (double-detonation He-shell Type Ia candidate;

Jacobson-Galan et al. 2020), and SN 2005bl a 91bg-like

(Taubenberger et al. 2008). It is important to notice

that different absorption features can give different ve-

locities and in some cases the identification of Si II 6355

line can be problematic (Parrent et al. 2016). Nonethe-

less, from Figure 11 we can see that the Si II 6355 veloc-

ities seem to decline at similar rates to the sub-luminous

SNe. We also notice that Type Ic SNe decline faster and

seem to have lower velocities than SN 2019eix.

4. MODELING

4.1. Arnett models
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Figure 7. Spectral evolution of SN 2019eix compared with other types of supernovae, including Type Ic and subluminous Ia.
The light blue dash lines show the absorption features created by the respective line labeled at the top of the figure. Note the
similarities of SN 2019eix at early epochs to Type Ic’s and how it transitions to looking more like a sub-luminous Ia (including
91bg-likes, and He-shell double-detonations (DD) candidates at later times. The top left panel shows SN 2019eix at early epochs
before maximum along with various Type Ic. The bottom left panel shows SN 2019eix at maximum light and both of the right
panels are after maximum light showing a better match to subluminous SNe Ia.
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more suppressed in the blue. In general, we observed that SN 2019eix is well out of the norm as it is much redder in comparison
to both mean spectra for Type Ic an Ic-BL.
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Figure 9. Bolometric luminosity of SN 2019eix (in black)
plotted with various core-collapse SNe and thermonuclear
events. We plotted Type Ic, Ib, Ic-BL, and Sub-luminous Ia
in colors pink, coral, dark blue, and turquoise respectively.
We note that SN 2019eix is a better match to the bolometric
luminosities of SNe Ib/c.
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SN 1994I (in orange) from Hachinger et al. (2012) to identify
the Fe II feature for SN 2019eix (in black). Note that the
feature in that region is broad and not obvious to identify.
Due to the blending, we used the Si II line to measure the
photospheric velocity instead. We also plotted sub-luminous
SN 1991bg (in blue) for comparison.

10 20 30 40 50

Time since explosion [Days]

5

10

15

20

25

S
i 
II

 V
el

o
ci

ty
 [
k
m

 s
−

1
]

Ic Ic BL Sub-Ia

Figure 11. The photospheric velocity is plotted against
time for SN 2019eix (in black) and various core-collapse and
thermonuclear SNe. We plotted Type Ic, Ic-BL, and sub-
luminous Ia in colors pink, dark blue, and turquoise respec-
tively. The velocities were measured using the Si II feature.
Note how SN 2019eix decline rates are most similar to the
sub-luminous Ia suggesting similar evolution, but still within
range of Type Ic.

Using the pseudo-bolometric luminosity calculated

from Section 3.3, we fit Arnett’s model presented by

Arnett (1982) and Cano (2013), see Cano’s equation 1.

We attempt to estimate physical parameters such as the

mass of the ejecta and the mass of 56Ni synthesized in
the explosion.

L(t) = MNie
−x2

×
(

(εNi − εCo)

∫ x

0

A(z) dz + εCo

∫ x

0

B(z) dz

)
(1)

where,

A(z) = 2z exp−2zy+z2

, B(z) = 2ze−2zy+2zs+z2

(2)

τm ≈
(
κ

βc

)1/2 (
Mej

vph

)1/2

(3)

and x ≡ t/τm, y ≡ τm/(2τNi) and s ≡ (τm(τCo -

τNi)/(2τCo τNi)).

The assumptions used here are the same as the

stripped envelope case from Cano (2013). The constant
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opacity κ = 0.07 cm2g−1 and the constant of integration

β was set to 13.8. The energy released in one second per

gram of 56Ni and 56Co are εNi = 3.90× 1010 erg s−1g−1

and εCo = 6.78×109 erg s−1g−1 (Capperallo et al. 1997),

respectively with decay times of τNi = 8.77 d and τCo =

111.3 d (Taubenger et al. 2006, and references therein).

The fit is done using data prior to thirty days af-

ter explosion (the bolometric luminosity used is shown

in Figure 9) using vph ≈ 10, 500 km/s measured from

the Si II feature and an assumed time of maximum of

16 days. From the relationship between vph and the

ejecta energy, the kinetic energy was calculated using

EK/Mej = 3
10vph(tmax)2 (Wheeler & Clocchiatti 2014).

Table 4 shows the resulting parameters of SN 2019eix

from the Arnett’s fit, where the estimated ejecta mass

is ≈ 2.5 M� and the nickel mass 56Ni is ≈ 0.17 M�. The

rest of the values are taken from Table 8 (Taddia et al.

2017) for comparison, and we notice they agree with

a Type Ic supernovae. In contrast, some of the Type

Ic SNe with similar spectra had values that were more

diverse, showing the extreme range of ejecta masses a

Type Ic/Ic-BL can have. SN 1994I Ic had ejecta mass

of Mej = 0.5 ± 0.2M� (Nicholl et al. 2015), PTF10vgv

Ic-Pec had Mej = 1.5 M�, and lastly PTF12gzk Ic-pec

had Mej = 7.5 M� (Ben-Ami et al. 2012). SN 1994I had

fast rise times and therefore less massive ejecta. On the

other hand PTF12gzk had long rise times, larger ejecta

masses and high ejecta velocities of about 30,000 km/s

days after explosion (Ben-Ami et al. 2012).

From the measured parameters in Table 4 we observe

that these masses (56Ni and ejecta) and energies of SN

2019eix are more consistent with those of a typical Type

Ic, since any thermonuclear event would require a lower

mass than the 1.4 M� limit. Another method we used

to estimate the mass of 56Ni, is from the tail of the light

curve. We used equations 1 and 2 from Terreran et al.

(2016) and fit the equations to our late photometry (past

50 days after maximum) and estimated a 56Ni mass of ≈
0.09 M�. This mass is lower than the one approximated

from peak. For our purposes, we will use this value and

add a 0.08 M� error estimate to include the measured

value from peak for consistency. Additionally, to test for

inconsistencies we also applied the constant opacity κ =

0.1 cm2g−1 commonly used for SNe Ia (Lyutykh et al.

2021). The resulting mass of ejecta slightly decreased

from 2.5 M� to 2.1 M�, bringing it closer to the Type

Ia scenario, but it still remains significantly higher than

the 1.4 M� threshold.

It is important to note a major limitation in apply-

ing semi-analytic modeling techniques (Arnett’s model)

to stripped envelope light curves is the assumption of

a constant opacity, κ, ambiguity regarding the velocity,

and lack of early photometry. It was shown by Dessart

et al. (2016), how different values of κ can lead to dif-

ferent results for the progenitor parameters, and that

ultimately the assumption of constant opacity is quite

poor for stripped envelope SNe. Parrent et al. (2016)

showed that the Si II velocity was problematic, while

the Fe II 5018 can be hard to identify as shown in Fig-

ure 10. Therefore there is no true velocity to use as both

methods come with uncertainties and the estimates of

the ejecta mass highly depend on this velocity. Ear-

lier photometry would have allowed for a more accurate

rise time and as a result more accurate ejecta mass es-

timates from the lightcurve, but lacked these early ob-

servations. Additionally, we assumed no 56Ni mixing, if

SN 2019eix is a double-detonation a significant amount

of 56Ni would be synthesized in the surface of the He

shell. This is equivalent to some degree of 56Ni mixing

that could possibly affect our estimates of the ejecta and
56Ni masses. Overall, the 56Ni mass error is dominated

by the error on the SN distance, explosion epoch esti-

mate, the fit uncertainty, and the possible 56Ni mixing

synthesized in the He shell (if SN 2019eix is a double-

detonation).

4.2. TARDIS models

Due to the complex nature of the spectra of SN

2019eix, we experimented with whether it was possible

to reproduce some of the unusual features using a SN Ic

as a base model (as originally classified). By employing

TARDIS, a Monte Carlo radiative transfer code that

tracks the number of photons that propagate through

the supernova ejecta, we simulated the spectra of SN

2019eix. The version of TARDIS utilized in this study

is TARDIS 2022.11.21 (Kerzendorf & Sim 2014), which

is based on previous works (Abbott & Lucy 1985; Lucy

& Abbott 1993; Mazzali & Lucy 1993; Lucy 1999, 2002,

2003). The user must input the density structure, ve-

locity, and abundance of elements. TARDIS then solves

the ionization and excitation states of the plasma as-

suming a homologous expansion. The evolution in the

early photospheric phase is such that the photosphere

can be approximated to be optically thick and thus the

black body approximation is appropriate. Additionally,

TARDIS approximates the photosphere by assuming it’s

position in velocity space. For the simulations presented

in this paper, we use the Kurucz atomic dataset version

1.0 (i.e. line list) for calculating the bound-bound tran-

sitions. We also used the initial parameters listed in

Table 1. from Williamson et al. (2020) and their input
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Supernova MR
max ∆m15(R) Mej[M�] MNi[M�] Spiral Gal

19eix -18.32 0.95 2.5(1.0) 0.09(0.05) X

Ic -18.3(0.6) 0.73(0.27) 2.1(1.0) 0.13(0.04) X

Ic-BL -19.0(1.1) 0.6(0.14) 4.1(0.9) 0.96(1.09) 7

91bg like -16.7 to -17.7(B) 1.8-2.1 (B) 0.5 0.05-0.1 7

Ultra stripped (2005ek) -17.26(0.15) 2.88(0.05) 0.3 0.03 7

Calcium-rich transient -15.5 to -16.5 ? 0.4-0.7 ≈ 0.01 7

Ia-DD (2018byg) -18.2 1.23 < 1.4 0.11 7

Table 4. This table summarizes our findings and we check the similarities between SN 2019eix in the R band (we converted r
to R using the vega - AB magnitude conversion, Blanton & Roweis 2007) and the different classes, from this table we can see
that Type Ic shares more similarities than the other classes. The inputs with an “(B)” indicates the value in the B band as the
R band is not provided and the values in parentheses are the errors.

files for SN 1994I that can be found in the Github page
10.

Given that SN 2019eix is inconsistent with the spec-

tral evolution of typical Type Ic, we modeled SN 2019eix

spectra using a SN 1994I (SN Ic) spectral model at

day 16 as our base model. We adjusted the abundance

Hachinger et al. (2012), density, velocity, and tempera-

ture of radiation according to different epochs and set

the damping constant to 0.5. We changed these param-

eters in order to see whether the spectral features of SN

2019eix could be reproduced, as discussed below. The

epochs modeled include 4 days before maximum, 1 day

after maximum, and 13 days after maximum light as

shown in Figure 12. All of our models were well con-

verged in the the temperature of radiation space.

In the Appendix A, we plot the changes made to the

temperature and density profiles and in Figure 16, we

show the changes made to the abundances per epoch.

Note in Figure 12 that the models fail to reproduce the

O I region as they are unable to attenuate it. Attempts

were made to deplete the O I feature throughout all

epochs, by either raising the temperature (in attempt to

ionize the O I) or lowering the abundance in the outer

layers. We found that raising the temperature to ion-

ize the O I was unable to fully eliminate the absorption

feature in the model. Additionally, the temperature in-

crease caused the spectra to gain bluer features that did

not match our observations. Lowering the abundance on

the other hand (various combinations were attempted

including depleting the outer shells, reducing O I in all

shells, and linearly decreasing the O I in all shells) did

not seem to affect the spectra as shown in Figure 12.

The phase 4 days before maximum light was assumed

to be 13 days after explosion in our TARDIS model, with

10 https://github.com/tardis-sn/tardis-setups/tree/master/2020/
2020 williamson 94I

an accompanying photospheric velocity of 12200 km/s

(chosen based on the measured Si II velocity and the ve-

locity values that best-matched TARDIS models to ob-

servations). We used the reference model with a slight

adjustment in the density and temperature which were

all increased. Additionally Ti was increased in the ear-

lier shells and Si was decreased. Although not perfect,

this combination yielded the best results that matched

our observations. One issue with it was the overpre-

diction of the Si II feature. Attempts were made to

enhance the feature including decreasing its abundance,

but failed to reproduce it.

At around maximum light (+1 day), we used a time

of explosion from SN 2019eix of 19 days and a photo-

spheric velocity of 11700 km/s. We lowered the den-

sity profile from our reference model as the ejecta ex-

pands and kept the same temperature from the base

model. A slight increase of Ti and Fe, gave the best

match to our data. One approach we used to deter-

mine which elements to alter in our models was com-

paring the absorption and emission features from Fig-

ure 12 with the data. From this Figure, we were able

to identify which elements could be responsible for cre-

ating particular features. Therefore, altering the abun-

dance of these elements could help achieve the desired

results and uncover the tomography of the supernova at

specific epochs. When contrasted with the results from

Hachinger et al. (2012) at 22 days after the explosion,

it becomes apparent that SN 2019eix has considerably

higher concentrations of Ti and V in its inner layers. On

the other hand, the spectral model for 1994I (Hachinger

et al. 2012) at 22 days after the explosion shows more

significant amounts of Ni and Fe in the inner layers, in-

dicating a substantially faster evolution rate than that

of SN 2019eix.

At phase 12 days after maximum light a time of 29

days after explosion was assumed for the model and a

https://github.com/tardis-sn/tardis-setups/tree/master/2020/2020_williamson_94I
https://github.com/tardis-sn/tardis-setups/tree/master/2020/2020_williamson_94I
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photospheric velocity of 10370 km/s. The density was

significantly reduced along with the temperature and

the Fe was increased by a factor of 5 from our refer-

ence model. When comparing this model to SN 1994I

(Hachinger et al. 2012) at day 30 after the explosion

we notice it to be significantly more evolved than ours.

Their velocity at this point has dropped by a factor of 6

from day 16 and has significantly more Iron-Group El-

ements (IGE) and Intermediate-Mass Elements (IME)

(such as Fe, Ni and Si, S, respectively) in the inner shells

than we observe for our SN 2019eix model. SN 1994I is

a fast evolving Ic, whereas SN 2019eix appears to not

change much in terms of its abundance or photospheric

velocity from before to after maximum light.

From our TARDIS models of SN 2019eix in compari-

son to Hachinger et al. (2012), we note that the velocity

does not evolve as fast as SN 1994I (Hachinger et al.

2012) drops by a factor of 6 in 14 days, and in SN 2019eix

models it drops by a factor of 1.2. The temperature has

the opposite effect and appears to drop faster for SN

2019eix than for the Hachinger et al. (2012). Addition-

ally, SN 2019eix also seems to be denser than Hachinger

et al. (2012) throughout all the epochs. SN 2019eix

seems to be a slow evolver in terms of velocity and re-

action rates. A possible explanation to these peculiar

features we observe in SN 2019eix could be a density

and temperature effect, as those were the main param-

eters we varied the most and appeared to successfully

reproduce the spectra as shown in Figure 12.11

4.3. Double-Detonation from He shell models

SN 2019eix shares numerous similarities with double-

detonation (DD) candidates from He shell Type Ia as

shown in Figures 6 and 7. Spectroscopicaly, SN 2019eix

shows significant red colors as well as suppression in

emission lines below 5000 Å; similar to SN 2016hnk

(Jacobson-Galan et al. 2020), SN 2018byg (De et al.

2019), and SN 2016dsg starting from maximum follow-

ing to 30 days after maximum light. The strong blanket-

ing in the DD on the He shell scenario can be attributed

to the large amount of iron group elements created in

the outer ejecta from the He burning. The substantial

reddening can be explained by the ashes produced by

the He shell detonation causing redder colors through-

out its evolution. Photometrically, SN 2019eix appears

to be brighter and with a somewhat wider lightcurve

than the other DD He shell candidates as shown in Fig-

ure 6, with the exception of SN 2016hnk which shows a

slower evolution than SN 2019eix post maximum. How-

11 All of our model input files can be found on: https://github.com/
tardis-sn/tardis-setups/2022/2019eix

ever, in terms of the color evolution SN 2016hnk seems

to be the best match as shown in Figure 5 from the ex-

tensive comparison with multiple SNe of various types.

Due to the similarities of SN 2019eix with this class

we compare the spectra and the light curves to the dou-

ble detonation models from Kromer et al. (2010), Sim

et al. (2012), and Polin et al. (2019). Kromer et al.

(2010) explored observable properties of double detona-

tion models. The simulations presented were carried out

in 2D using radiative transport from ARTIS. To initial-

ize models, they chose estimated values of temperature,

central density of the CO core, and temperature and

density at the base of the He layer. They ignited an

initial He detonation in a single point at the base of the

He shell and eventually created a shock wave that prop-

agates into the core. These models have He shell masses

ranging from 0.0035 to 0.0126 M� previously considered

by Fink et al. (2010).

Similar to Kromer et al. (2010), Sim et al. (2012) cre-

ated their models using ARTIS and investigated small

(0.45 M� WD + 0.21 M� He) and large (0.58 M� +

0.21 M� He) masses for both single and double detona-

tion scenarios. The two methods investigated were the

He detonation wrapping around the CO WD, modeled

as the convergence of shocks in the first method, and the

He detonation igniting an inward-propagating shock at

the CO core’s edge, called the Edge-lit core detonation

in the second approach. Additionally, Polin et al. (2019)

examined the explosions of WDs varying from 0.6 to 1.2

M� with He shell masses of 0.01, 0.05, 0.08 M�. Polin

et al. (2019) found that thicker shell models showed early

time flux excess, redder colors, and higher line blanket-

ing in the UV through the blue regime of the spectrum.

Their models were created using the Eulerian hydrody-

namics code Castro. After the SN ejecta reaches homol-

ogous expansion, a multi-dimensional time dependent

radiation transport code (SEDONA) is used to created the

synthetic spectra and light curves.

In our study, the models we chose to com-

pare to SN 2019eix are the double detona-

tion models Polin0.9+0.08-D, Polin0.76+0.15-D,

Polin0.76+0.15-0.2-D, Kromer0.81+0.126-D (model1),

and Sim0.58+0.21-D (CSDD-S) as shown in Table 5.

We chose these models as they appeared to be more

consistent with our lightcurves and spectra of SN

2019eix. However, we also considered Polin0.8+0.08,

Sim 0.45+0.21-D, and the only single detonation,

Sim0.58+0.21-S. From Figure 13, we can see that

photometrically, the more massive model with the

thicker He shell such as Sim0.58+0.21-D (CSDD-S)

overestimates the brightness in both bands. The

other models Polin0.76+0.15-D, Polin0.76+0.15- 0.2-

https://github.com/tardis-sn/tardis-setups/2022/2019eix
https://github.com/tardis-sn/tardis-setups/2022/2019eix
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Figure 12. We plot the best matched TARDIS models to SN 2019eix using SN 1994I SN Ic as a base model. On the left
we have SN 2019eix and the final product of the TARDIS models while on the right it exhibits the elements responsible for
its features. The negative values correspond to absorption contributions to the spectrum, while the positive values represent
emission. TARDIS fails to hide the OI feature, but appears to reproduce most of the features overall.

D, and Kromer0.81+0.126-D (model1) seem to be a

better match to SN 2019eix, especially Polin0.76+0.15-

D. Nonetheless, Polin0.76+0.15-D (unmixed) our best

model underestimates the magnitude in the r band and

declines much faster than SN 2019eix, but the i band is

more consistent from maximum light up until 10 days

after. Additionally, some of the challenges in modelling

the lightcurves of SN 2019eix were attributed to the

lack of early photometry. With earlier photometry, a

more detailed comparison to double-detonation He-shell

models that predict an early bump in the light curve as

illustrated in Figure 13.

As mentioned, SN 2019eix shows substantial line blan-

keting in the blue side of the spectra. This is reproduced

by the majority of the models at maximum and past

maximum light as shown in Figure 14. Reproducing the

data from the models consistently at various epochs was

difficult. This is evident in Polin 0.9+0.08, which indi-

cates that a reasonable result at one epoch was observed

and not the others. Nevertheless, in Sim0.58+0.21-

D (CSDD-S) we observe consistent behavior through-
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Figure 13. Lightcurve comparison between SN 2019eix and
other DD candidates to detonations of He-shell models. The
phase is measured from the i/I-band maximum. Notice there
is not a light curve that matches both the r and i the band,
but Polin 0.76+0.15 unmixed is the closest match to SN
2019eix.

out the epochs, although the light curve of this model

severely overestimates the flux. However, it is a known

issue that Sim et al. (2012) are brighter due to the pure

He shell assumption, but in actuality the the He layer

can be polluted by the WD core material. By contrast,

the Polin0.76+0.15-D (unmixed) light curve model is the

best match, but spectroscopically appears to be a mis-

match before maximum light but overall a reasonable

fit.

Generally, it appears that the light curve models do

not match SN 2019eix consistently. However, some of

this mismatch could be attributed to the degree of mix-

ing in the outer layer (Kromer et al. 2010; Shen et al.

2010; Sim et al. 2012; Polin et al. 2019) in addition to

the viewing angle (Kromer et al. 2010). The models

used for comparison are all from Local-Themodynamic

Equlibrum which takes into effect about 20 days before

maximum light. Therefore, it is important to compare

the models to the data at early times. In order to fully

compare the light curve at all epochs, we must use non-

LTE models.

5. DISCUSSION

SN 2019eix is an uncommon event. It has similar fea-

tures to a SNe Ic including the lightcurve peak magni-

tude and decline rates, while having a strong suppression

in the blue flux, red colors, a lack of an O I feature, and a

strong Ca II feature unlike those usually seen in SNe Ic.

Since it is unlike any known SN Ic, we also investigate

other SN types including Calcium-rich transients and

thermonuclear supernovae like subluminous supernovae

and double detonation SNe Ia.

5.1. Comparison to Type Ic and peculiar Ic

In Figure 6, we showed that the lightcurves for SN

2019eix are the most similar to SNe Ic in terms of peak

magnitude (Table 1), bolometric luminosity (illustrated

in Figure 9), and decline rates (Table 2). However, from

the spectral and color evolution standpoint we do not

observe such consistency. Spectroscopically, before max-

imum SN 2019eix resembles SNe Ic with the exception

of the absence of the O I feature. However, we observe

significant discrepancy in the spectra at later times as

shown in Figure 8 (albeit peculiar SNe Ic show some

level of consistency as we will discuss below). Addition-

ally, the color evolution of SN 2019eix appeared to be

much more red than SNe Ic as depicted in Figure 5.

For peculiar SN Ic PTF12gzk, the color evolution at

early times seems to agree with SN 2019eix (Figure5),

but a full comparison of colors was not conducted as

as we lacked photometry at later times. Additionally,

the spectrum of PTF12gzk before and after maximum

matches SN 2019eix as it starts to develop a blue sup-

pression after maximum light, but does not seem to be

depleted of the O I 7774 feature. PTF12gzk appears

to also have more blended features than SN 2019eix

suggesting higher velocities. Ben-Ami et al. (2012) re-

ported PTF12gzk to exhbit large expansion velocities of

≈ 30000 km/s measured days after explosion from the

Si II line. Additionally, the mass of ejecta was measured

to be Mej = 7.5 M�, about a factor of 3 larger than our

estimates for SN 2019eix. This suggests a higher initial

progenitor mass of 25-30 M� (Ben-Ami et al. 2012) and

a lower-mass progenitor for SN 2019eix.

We considered the USSNe scenario due to the lack

of O I in SN 2019eix, as these SNe can be stripped of

their O in addition to H and He layers from a compact

binary (Woosley et al. 2020; Dessart et al. 2020). We

dismissed this scenario, since neither the spectra nor

the lightcurves are comparable (eg. USSNe SN 2010X

and SN 2005ek show no blue suppression and have O I

features unlike SN 2019eix, as shown in Figure 15). The

fast rise times of ultra-stripped supernovae (typically

between 5-10 days and magnitude of -16; Moriya et al.
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Figure 14. Spectroscopic comparison between SN 2019eix and double detonation models. The left panel shows the spectra
about 4 days before maximum light, the middle panel is at 1 day after maximum light, and the right panel is 12 days after
maximum light.

Model Original name WD Mass He Shell Mass Reference

Polin0.76+0.15-0.2-D 0.76 0.15 a

Polin0.76+0.15-D 0.76 0.15 a

Polin0.9+0.08-D 0.9 0.08 a

Kromer0.81+0.126-D Kromer model 1 0.81 0.126 b

Sim0.58+0.21-D Sim CSDD-S 0.58 0.21 c

Table 5. This table shows the models used for comparison with SN 2019eix. (a)Polin et al. (2019); (b) Kromer et al. (2010);
(c)Sim et al. (2012). Note that Polin0.76+0.15-0.2-D and Polin0.76+0.15-D are similar, but differ since Polin0.76+0.15-0.2-D
includes 0.2 M� mixing in the outer ejecta
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2016) and fast decline rates (∆m15 ≈ 3; Drout et al.

2013), suggest a smaller progenitor than SN 2019eix.

From observations we note that peculiar Type Ic’s

(PTF12gzk) could roughly produce spectra that look

similar to SN 2019eix. Due to the peculiar spectral

evolution of SN 2019eix we modeled the spectra using

TARDIS. From our models we showed that spectra sim-

ilar to SN 2019eix could be reproduced by using the

abundance models from SN 1994I type Ic (Hachinger

et al. 2012; Iwamoto et al. 1994), but again the O I failed

to be reproduced as discussed previously in Section 4.1.

Overall, the lightcurves appear to be consistent with SN

Ic, however the spectral evolution appears to be atypical

for this class, in particular the strong reddening, lack of

O I, and strong Ca II at later times.

5.2. Subluminous SNe Ia

As shown in Figure 7, SN 2019eix starts to resem-

ble subluminous SNe Ia in its later spectra, although it

is notably different before maximum. Photometrically,

91bg-likes reach peak magnitudes between -16.7 to -17.7

in the B band similar to SN 2019eix. Overall, despite

the similarities between SN 2019eix and 91bg-likes in

terms of the spectra and the absolute magnitude, they

also display key differences.

Some of these differences include: bluer colors as

shown in Figure 5 (91bg-likes reach colors of (B −
V)max ≈ 0.5 − 0.6; Taubenberger et al. 2008; Sulli-

van et al. 2011) being much bluer than SN 2019eix

((B − V)max ≈ 1.8); faster decline rates (∆m15(B) ≈
1.8 − 2.1) than SN 2019eix (∆m15(B) ≈ 1.2); and spec-

troscopic disagreement in some absorption features (es-

pecially the Si II, O I, and Ca II features and gener-

ally the spectra is not as suppressed in the blue as SN

2019eix); Thus the inferred 56Ni mass and ejecta mass

for 91bg-like SNe were found to be between ∼ 0.05 and

∼ 0.10M� (Mazzali et al. 1997; Sullivan et al. 2011) and

≈ 0.5M� (Stritzinger et al. 2006), respectively, signif-

icantly lower than SN 2019eix. For these reasons it is

unlikely that SN 2019eix shares a similar progenitor as

the 91bg-like objects. However, it is important to note

that the Mej mass estimate could be overestimated for

SN 2019eix, as it depends on the photospheric velocity

and width of the light curve.

5.3. Calcium-rich Transients

Calcium-rich transients are peculiar as their explosion

mechanisms is not well understood and a variety of sce-

narios can explain their observations. Due to strength

of the Ca II absorption feature on SN 2019eix, we briefly

compare these transients to SN 2019eix, but rule them

out due to significant incompatibilities. Calcium-rich

SNe are mostly characterized by peak magnitudes of -14

to -16.5, with fast evolving light curves (much dimmer

and faster evolving than SN 2019eix). From Figure 15

we see that SN 2005E (a Calcium-rich transient) is a

mismatch to SN 2019eix in terms of its spectral evolu-

tion (e.g. it does not display the extreme suppression

in the blue seen in SN 2019eix), but instead develops

a [Ca II] 7291, 7323 line 18 days after peak (not ob-

served in SN 2019eix, but a common feature for these

transients). Additionally, these transients also posses

moderately red colors (B − V)max ≈ 0.6 mag (Tauben-

berger 2017), unlike the significant red colors observed

in SN 2019eix. The majority of these objects display

low 56Ni and ejecta masses between 0.4-0.7 M� (Kasli-

wal et al. 2012). Due to the low luminosity, different

color evolution, and incompatible spectra evolution; SN

2019eix is unlikely to share the same progenitor as these

transients.

5.4. Double-detonation Type Ia

The observations of He-shell double detonation candi-

dates (OGLE-2013-SN-079, SN 2016hnk, SN 2016dsg,

and 2018byg) display significant spectroscopic resem-

blance to SN 2019eix. Before maximum light, we do

not observe much similarities and thus are not plotted.

However, during and after maximum light the spectra of

SN 2016dsg and SN 2018byg are found to be extremely

suppressed in the blue and have a minimum to no ab-

sorption O I feature, similar to SN 2019eix. During

and after maximum light the spectra continue to have

considerable line blanketing at λ < 5000Å and show

stronger Ca II absorption as shown in Figure 7.

An explanation for the strong line blanketing in the

blue for these double-detonation candidates is that the

detonation of a helium shell on the surface of a C/O WD

pollutes the outer layers of the ejecta. These IME and

IGE burning products cause this blue blanketing and

significant reddening (Kromer et al. 2010; Shen et al.

2010; Sim et al. 2012; Polin et al. 2019). The redden-

ing is further illustrated in Figure 5, where we see SN

2019eix sharing impressive similarities with SN 2016hnk

as they both seem to be redder than the rest of the SN

types. DD models also explain the strong Ca II fea-

ture. This is a result of the He-burning creating a large

amount of IME in the outer layers (Fink et al. 2010;

Kromer et al. 2010). SN 2019eix develops Ca II into a

deep and high-velocity feature after maximum light, as

shown in Figure 3. Therefore, a large amount of IME

created in the DD models can explain such anomaly ob-

served in SN 2019eix.

We compare existing DD models to SN 2019eix in Fig-

ure 13 and Figure 14. The models are roughly able to
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reproduce the lightcurve and spectral features. The best

DD model of SN 2019eix is Polin 0.76+0.15 (unmixed),

as it is able to be a better match to the lightcurves (al-

though it still declines faster in the r band) and it’s able

to reproduce the most prominent features during and

after maximum light (although it fails to match the fea-

tures before maximum light). Notice in Figure 14 how

the DD spectral models reproduce the lack of O I fea-

ture, a pronounced feature in SN 2019eix. The physics

of the absence of O I feature in the case where the He

shell is thick is justified by the ash of the He burning

products created in the outermost layers of the ejecta.

It is expected to cover the unburned oxygen from the

core underneath the He products limiting them to a re-

stricted velocity range (Kromer et al. 2010; Sim et al.

2012; Polin et al. 2019). This could explain why the O I

feature for SN 2019eix is not observed until roughly 30

days after maximum.

Figure 6 shows that DD candidates show some level of

agreement with SN 2019eix, particularly in the r-band.

Existing candidates seem to be dimmer and faster de-

clining than SN 2019eix (Figure 9), although not many

of these objects have been found in literature. There-

fore, SN 2019eix remains a great candidate for the DD

He shell model (with a possible WD mass close to 0.76

M� and a thick He-shell close to 0.15 M�), as it is able

to physically explain the abnormalities from the spectra

and the color evolution unlike other classes. Therefore,

for those reasons the DD scenario is the favored scenario

for SN 2019eix.

6. CONCLUSION

We summarize our primary observations of SN 2019eix

below.

1. SN 2019eix is intrinsically red compared to other

SNe Ic. This is indicated by the lack of Na ID

absorption in the photospheric spectrum and the

color evolution of B-V

2. During and after maximum spectra show strong

suppression in the blue

3. Spectra show some of the strongest ever observed

broad and deep Ca II absorption and little to no

O I absorption

4. Peak absolute magnitude reaches MB = −17.3

with a decline parameter of ∆m15(B) = 1.2

5. Total ejecta and nickel masses are 2.5M� and

0.09M�, respectively

While the lightcurve decline rate and luminosity of

SN 2019eix are consistent with SNe Ic, the spectra were
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Figure 15. A comparison between SN 2019eix and SN
2010X, SN 2005ek (ultra-stripped supernovae), and SN
2005E (cal-rich transient) the comparisons show the lack of
compatibility between the two objects suggesting that SN
2019eix is not an ultra-stripped spectroscopically.

challenging to reproduce. Notably, the lack of an O I

feature is inconsistent with both observed SNe Ic and

our attempts to model it as such.

The thermonuclear double detonation scenario, on the

other hand, is a better match to the data. The light

curves from Polin 0.76+0.15 models seem to decline

slightly faster than SN 2019eix and underestimate the

luminosity for SN 2019eix in the r band, but have better

agreement in the i band. However, spectroscopically we

see SN 2019eix matches the spectral evolution of many

DD candiates during and after maximum light as well

as models. Moreover, the mystery of the O I is also

explained by DD models along with the blueward su-

pression. Conversely, most DD He-shell SNe candidates

appear to come from elliptical galaxies and to be far

away from the center of the galaxy, that is inconsis-

tent with the host spiral galaxy of SN 2019eix. How-

ever, spiral galaxies also have an old stellar population

and thus the DD scenario remains a possibility for SN

2019eix. Table 7 summarizes the pros and cons between

the core-collapse and the double-detonation thermonu-

clear events, favoring the latter.

Because SN 2019eix is unable to be fully explained

by either model (core-collapse or the DD He-shell) de-

spite having a better physical explanation in the DD

scenario (as it shares some of the peculiar spectral fea-

tures and colors seen in SN 2019eix); there are some
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open questions in the DD scenario that point to future

study. The light curve width is large, possibly implying

a large ejecta mass. This could be inconsistent with a

white dwarf progenitor. We thus classify this SN as a

peculiar Type I SN. Due to the lack of early photome-

try (to constrain the rise time), nebular data (to observe

whether it is Fe rich down to the core), and IR data (to

check if there is unburnt He from the shell in the 10,500Å

line), we are unable to conclude with certainty that SN

2019eix is the result of a DD He-shell explosion. To get

a better sense of the progenitor, further analysis of the

SN 2019eix host galaxy star formation rate is essential to

analyze whether the progenitor could have come from a

massive star, unfortunately such analysis is beyond the

scope of this paper. Nonetheless, SN 2019eix is an excit-

ing target as it is arguably one of the rarest objects we

have discovered so far, whether it is a double-detonation

(being one of the handful of events ever discovered) or a

core-collapse (being an extremely rare object with many

unconventional features for this kind).
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APPENDIX

A. APPENDIX INFORMATION

The tables and plots are design to facilitate compare and contrast between the different SN classes/models to SN

2019eix. In Table 4, we provide additional information about the types of SNe and their various parameters for a

more obvious comparison to SN 2019eix. For a better understanding of the spectra modeling conducted, in Figure

16, we show the the different input values we used for our TARDIS models such as density and temperature over the

velocity space. In Table 6, we provide the changes we have made to the abundances from the base model with respect

to time from TARDIS. Finally, in Table 7, we created a table showing the main differences between core-collapse and

the double-detonation for an easier comparison between the two.

https://github.com/nyusngroup/SESNtemple
https://github.com/nyusngroup/SESNtemple
https://c3.lbl.gov/nugent/nugent_templates.html
https://c3.lbl.gov/nugent/nugent_templates.html
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Figure 16. The plot on the top shows the altered density profiles used for SN 2019eix for the different epochs we modeled from
the base model SN 1994I. The bottom plot shows the adjusted temperature from the base model as well.

Model time velocity X(Na) X(Mg) X(Si) X(Ti) X(Fe) X(Ni)

1994I 16.0 8900 4.0 10.0 0.7 0.08 0.03 1.8

19eix Mod 1 13.0 12250 4.0 5.0 3.0 0.4 0.16 1.8

19eix Mod 2 19.0 11700 4.0 10.0 0.7 2.0 0.5 2.2

19eix Mod 3 29.0 10370 0.7 10.0 0.7 0.08 0.9 2.6

Table 6. This table shows the elements changed from the base model SN 1994I, the elements were slightly increased in Fe
and Ni as time evolved.

Variables Core-collpse DD

Light curves X ?

MNi = 0.17 X ?

Mej > 2.5 X 7

no O I 7 X

Line blanketing 7 X

∆m15(B) X ?

Strong Ca II 7 X

Table 7. This table summarizes the similarities and differences between SN 2019eix and the different explosion mechanisms.
The entries with “?” represent measurements with not enough data or with large uncertainty. We do see that overall the
double-detonation has stronger pros and weaker cons.
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JD epoch B V g i r

2458608 -5 16.53(0.02) 16.74(0.04) 16.93(0.02) 16.64(0.02)

2458610 -3 17.65(0.04) 16.5(0.05) 17.03(0.02) 16.86(0.1) 16.48(0.03)

2458619 6 18.37(0.19) 16.53(0.07) 17.38(0.02) 16.53(0.03) 16.23(0.02)

2458620 7 18.57(0.09) 16.6(0.02) 17.55(0.01) 16.62(0.03) 16.3(0.01)

2458621 8 18.43(0.16) 16.61(0.04) 17.6(0.04) 16.62(0.01) 16.31(0.01)

2458625 12 18.86(0.17) 17.1(0.05) 18.28(0.13) 16.96(0.06) 16.71(0.1)

2458631 18 19.16(0.05) 17.39(0.05) 18.41(0.03) 17.13(0.02) 17.0(0.03)

2458634 21 19.42(0.09) 17.62(0.02)

2458641 28 19.63(0.02) 18.08(0.01) 18.99(0.03) 17.99(0.03) 17.87(0.01)

2458647 34 19.81(0.08) 18.38(0.01) 19.17(0.05) 18.41(0.09) 18.23(0.01)

2458651 38 18.67(0.06) 19.22(0.06) 18.36(0.04) 18.38(0.03)

2458655 42 19.88(0.13) 18.63(0.04)

2458659 46 19.41(0.04)

2458670 57 19.93(0.1) 19.1(0.08) 19.59(0.03) 19.13(0.14) 19.28(0.23)

2458673 60 19.48(0.12) 19.43(0.06)

2458681 68 19.97(0.09) 19.42(0.09) 19.63(0.08) 20.06(0.16)

2458689 76 20.34(0.09) 19.55(0.19) 19.93(0.07) 19.89(0.21) 20.15(0.03)

2458699 86 20.47(0.1) 20.05(0.03) 20.34(0.05) 20.41(0.09) 20.58(0.1)

2458707 94 20.1(0.17) 20.2(0.11) 20.68(0.11) 20.95(0.15)

2458718 105 20.91(0.2) 20.81(0.12) 20.64(0.15) 21.05(0.38)

2458726 113 20.87(0.16) 20.95(0.26) 20.83(0.21)

Table 8. Phase with respect to the V max where the dates are rounded up.

UT Date epoch Telescope Instrument

2019-05-05 -4 Lick KAST

2019-05-10 +1 FTN FLOYDS

2019-05-14 +5 FTN FLOYDS

2019-05-22 +13 FTN FLOYDS

2019-06-01 +23 FTN FLOYDS

2019-06-11 +33 FTN FLOYDS

Table 9. Phase with respect to the V max



SN 2019eix: A Peculiar Type I 23

REFERENCES

Abbott, D., C., & Lucy, L., B. 1985, doi: 10.1086/162834

Albareti, F., Allende Prieto, C., & Almeida, A. 2017,

doi: 10.3847/1538-4365/aa8992

Arnett, W., D. 1982, doi: 10.1086/159681

Arnett, W. D. 1969, Ap&SS, 5, 180,

doi: 10.1007/BF00650291

Astropy Collaboration, Robitaille, T. P., Tollerud, E. J.,

et al. 2013, A&A, 558, A33,

doi: 10.1051/0004-6361/201322068

Astropy Collaboration, Price-Whelan, A. M., Sipőcz, B. M.,
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Abstract. The first stars were likely more massive than those forming today and thus
rapidly evolved, exploding as supernovae and enriching the surrounding gas with their
chemical products. In the Local Group, the chemical signature of the first stars has been
identified in the so-called Carbon-Enhanced Metal-Poor stars (CEMP-no). On the con-
trary, a similar C-excess was not found in dense neutral gas traced by high-redshift absorp-
tion systems. Here we discuss the recent discovery of three C-enhanced very metal-poor
([Fe/H]< −2) optically thick absorbers at redshift z ≈ 3 − 4, reported by (Saccardi et al.
2023).. We show that these absorbers are extra-galactic tracers of the chemical signatures
of the first stars, analogous to the CEMP-no stars observed in the Galactic halo and ultra-
faint dwarf galaxies. Furthermore, by comparing observations with model predictions we
demonstrate that these systems have most likely been imprinted by first stars exploding as
low-energy supernovae, which provided ≥ 50% of the metals in these absorbers.

1. Introduction

The first (Pop III) stars are predicted to be more
massive than present-day stars, with masses
possibly ranging from some tenth up to thou-
sand times solar (e.g. Hirano et al. 2014;
Susa et al. 2014) and a characteristic mass
> 1 M�(Rossi et al. 2021). Massive first stars
exploded as supernovae (SNe) and thus con-
taminated the surrounding environment with
their chemical elements, whose yields vary
according to the mass of the progenitor star
and the SN explosion energy (e.g. Heger &
Woosley 2010). Low-mass stars, born from

this metal-polluted gas, can survive until to-
day (e.g. Bromm et al. 2001) and retain in their
atmospheres a record of the chemical abun-
dances left by the first stars.

These chemical signatures have been
looked for in ancient metal-poor stars in our
cosmic neighbourhood: mostly the Milky Way
(MW) halo and Local Group dwarf galaxies,
where we can uniquely study individual stars
(e.g. Tolstoy et al. 2009). Very metal-poor stars
([Fe/H] < −2)1, strongly enhanced in carbon
over iron ([C/Fe] > +0.7) and not enriched
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in neutron-capture elements ([Ba/Fe] < 0),
i.e. the so-called “CEMP-no” stars (e.g. Beers
& Christlieb 2005), are the most promising de-
scendants of Pop III stars that exploded as pri-
mordial low-energy supernovae (e.g. see Vanni
et al. 2023, in this volume and Iwamoto et al.
2005 Because of their low explosion energy,
indeed, these SNe are only able to expel a small
fraction of Fe-peak elements from the inner-
most layers, yielding large amounts of carbon
(and other light elements) with respect to iron.

Since stars form out of gas, moving to
higher redshifts, we also expect to find very
metal-poor gaseous environments primarily
enriched by the first stars, thus showing a sim-
ilar excess of carbon. To this aim, the chemical
traces of Pop III stars have been searched for in
quasar absorption lines probing dense neutral
gas with [Fe/H]< −2, i.e. in very metal-poor
Damped Lyman-α systems (DLAs) with neu-
tral hydrogen column density log(NHI/cm−2) >
20.3. The initial claims of such a system
(Cooke et al. 2011) have since been corrected,
and therefore no C-enhanced DLAs have been
discovered so far (Dutta et al. 2014; Carswell
et al. 2012, Pettini private comm.).

Another approach is to investigate whether
the chemical signature of the first stars can
be identified in more diffuse high-z absorp-
tion systems, where star formation was likely
interrupted early on, thus preventing contam-
ination by subsequent generations of normal
stars. To this end, we exploited the XQ-100
quasar legacy survey (López et al. 2016) to
identify sub-DLAs and Lyman Limit Systems
(LLSs) at redshift z ≈ 3 − 4, i.e. absorption
systems with H I column densities in the range
17.2 ≤ log(NHI/cm−2) ≤ 20.3. In Saccardi
et al. (2023), we derived iron, carbon and other
chemical abundances for these systems.

Here we will compare our findings for
gaseous systems with both observations of
very metal-poor stars in the Local Group and
theoretical models for Pop III star enrichment.
We refer the reader to Saccardi et al. (2023) for
an in-depth description of the different chemi-
cal abundances measured in high-z absorbers;
and to Vanni et al. 2023, this volume and sub-
mitted for a careful description of the theoreti-
cal model.

2. CEMP-no stars in the Local Group

In the MW halo and nearby ultra-faint dwarf
galaxies (UFDs), there are many known
CEMP-no stars ([C/Fe] > +0.7, [Ba/Fe] < 0),
and a few have been also discovered in dwarf
spheroidal (dSph) galaxies (e.g. Skúladóttir
et al. 2015). However, not all C-enhanced
stars are CEMP-no, another class exists: the
so called CEMP-s(/r) stars, which also exhibit
an overabundance of neutron-capture elements
([Ba/Fe] > +1). These CEMP-s stars are al-
most exclusively found in binary systems (e.g.
Arentsen et al. 2019), and their surplus of bar-
ium and carbon are expected to be acquired
via an Asymptotic Giant Branch (AGB) com-
panion during their lifetime (e.g. Abate et al.
2015). Conversely, the C-excess of CEMP-no
stars is expected to be a genuine representation
of the environment of formation (e.g. Aguado
et al. 2022), which was likely polluted by the
first stars (e.g. see Vanni et al. 2023, in this vol-
ume).

Ultimately, we need to find CEMP-no stars
to indirectly study the first stellar generations.
But how can we identify these stars with-
out measuring barium? Spite et al. (2013)
first demonstrated that we can discriminate
among CEMP-no and CEMP-s stars on the ba-
sis of their absolute carbon abundance2, A(C).
Indeed, these two different populations dwell
in two well defined regions: CEMP-s stars in
the high-C band, A(C)> 7.4, CEMP-no stars in
the low-C band, A(C)< 7.4 (see also Bonifacio
et al. 2015; Yoon et al. 2016).

In Fig. 1 we report the measured A(C) with
[Fe/H] for stars in the Milky Way halo, UFDs,
and dSph galaxies. The Figure contains data
collected by Salvadori et al. (2015), including
new data in UFDs (Ji et al. 2016; Spite et al.
2018) and newly discovered extremely metal-
poor stars in the Milky Way halo (Starkenburg
et al. 2018; François et al. 2018; Bonifacio
et al. 2018; Aguado et al. 2019; González
Hernández et al. 2020). All carbon values are
corrected to account for internal mixing pro-
cesses (Placco et al. 2014).

It is clear from Fig. 1 that the division be-
tween the low-C and high-C bands is work-

2 A(C) = log(NC/NH) + 12
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Fig. 1. Absolute carbon abundance, A(C), as a
function of [Fe/H] for stars in UFDs (light blue
squares), dSph galaxies (blue squares) and the MW
(grey/black squares). The MW CEMP-no halo stars
are shown as filled black symbols, C-normal halo
stars as grey symbols, and CEMP-s(/r) stars as open
symbols. Typical errors are ∼0.2 dex. The horizon-
tal line separates the low- and high-C bands, and the
dashed line indicates [C/Fe] = +0.7.

ing remarkably well. In particular the low-C
band is almost entirely populated by CEMP-
no stars. Moreover, we note that CEMP-no
stars become more dominant towards lower
[Fe/H]. This is one of the reasons why they are
believed to form in gaseous environment im-
printed by the first stellar generations.

3. CEMP-no absorbers at high-z

To search for the analogues of CEMP-no stars
in high-z gaseous absorbers, we exploited the
XQ-100 quasar legacy survey (López et al.
2016), and selected a sample of 30 LLS and
sub-DLAs at redshift z ≈ 3 − 4, that we stud-
ied in detail (Saccardi et al. 2023). We per-
formed Voigt profile fitting of metal absorption
features and Lyman lines in the quasar spectra
to measure column densities. To derive relative
abundances of different elements, we applied
photoionization-model corrections to the mea-
sured ionic column densities by exploiting the
open-source Cloudy (Ferland et al. 2017).

Fig. 2. Absolute carbon abundance as a function of
[Fe/H] for the 30 sub-DLAs and LLSs of our sam-
ple (coloured circles) and for DLAs/LLSs from lit-
erature (black points, see labels and text for ref.).

Among these 30 absorption systems,
we identified 14 very metal-poor absorbers,
[Fe/H] < −2, thereof three C-enhanced,
[C/Fe] > +0.7. Furthermore, we identified
four C-enhanced systems at higher iron abun-
dances, see Fig. 2. We verified that the very
metal-poor systems are also characterised by
a low total metallicity (Z < 10−2Z�), and that
they are not simply iron-poor because of dust
depletion (Saccardi et al. 2023). Then, we con-
centrate on the three C-enhanced very metal-
poor absorbers for which we can reasonably
neglect the dust depletion (e.g. Vladilo 1998;
Vladilo et al. 2018; De Cia et al. 2018).

To investigate the nature of our three
bonafide CEMP systems, we show in Fig. 2
the absolute carbon abundances with respect to
[Fe/H], which is used as a key diagnostic tool
to identify CEMP-no stars (Sec. 2). It is evident
from Fig. 2 that our three CEMP absorbers (red
points) dwell in the low-C band, i.e. in the re-
gion where CEMP-no stars are typically found
(see Fig. 1). Note that we have only obtained
1 − σ upper limits for [Fe/H] in these systems.
However, a lower iron abundance will only in-
crease their [C/Fe] abundance ratio.
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Fig. 3. Absolute carbon abundance as a function
of [Fe/H] for an ISM imprinted by PopIII stars.
Colours show different level of Pop III enrichment:
100% (yellow), 90% (orange), 50% (magenta), 10%
(gray). The dotted line shows [C/Fe] = +0.7, the
solid one separates the low-C from the high-C band.

In Fig. 2 we also see that the C-normal
very metal-poor absorbers (yellow points) re-
side where C-normal very metal-poor stars
dwell. In this region, but at lower A(C) val-
ues, we can also see the very metal-poor DLAs
from the literature (Cooke et al. 2011, 2012;
Carswell et al. 2012; Dutta et al. 2014; Cooke
et al. 2017). Finally at [Fe/H] > −2, we note
that there are four C-enhanced absorbers (plus
one from Zou et al. 2020) dwelling in the
high-C band where CEMP-s stars are typically
observed. At these metallicities, however, the
dust depletion is no longer negligible, prevent-
ing us from drawing any strong conclusions.

4. Origin of CEMP-no environments

To understand the origin of the newly identi-
fied CEMP-no absorbers, we compare the ob-
servational results of (Saccardi et al. 2023, ,
Sec. 3)) to theoretical predictions. We exploit
the simple and general parametric study by
Salvadori et al. (2019), which is further devel-
oped by Vanni et al. (submitted, and presented
in this volume Vanni et al. 2023. The goal of
the model is to chemically characterize an in-
terstellar medium (ISM) mainly imprinted by
Pop III stars, i.e. where the metals from Pop III
SNe account for ≥ 50% of the total.

The model encodes the main unknowns re-
lated to early cosmic star formation and metal
enrichment into three free parameters: the mass
of gas converted into stars, or the star forma-
tion efficiency; metals retained in the ISM, pa-
rameterized with the dilution factor; and the
mass fraction of PopIII metals with respect to
the total, fPopIII. In Vanni et al. 2023 we demon-
strated that either primordial faint SNe or core-
collapse SNe are required to explain CEMP-no
stars. Hence here we only focus on this class of
low-energy primordial SNe.

In Fig. 3 we compare the predicted A(C)
and [Fe/H] values for an ISM imprinted by
low-energy (E ≤ 1051 erg) Pop III supernovae
with the chemical abundances measured in the
gas of our high-z sub-DLAs and LLSs and in
the stars of the MW halo. The colours denote
different fraction of metals from Pop III SNe:
from the yellow area, where the ISM is com-
pletely imprinted by them (fpopIII = 100%),
to the gray area, where normal Pop II stars
exploding as core-collapse SNe dominate the
ISM enrichment (fpopIII = 10%).

We can see in Fig. 2 that our CEMP-no
absorbers, which have moderately high [C/Fe]
values, are consistent with a ≥ 50% enrichment
from Pop III stars and thus can be considered
gaseous fossils from the early Universe.

5. Conclusions

We have shown that the newly discovered C-
enhanced very metal-poor absorption systems
most likely hold the chemical signature of the
first stars that exploded as low-energy SNe
(E ≤ 1051 erg), and provided ≥ 50% of their
metals. These systems are thus the gaseous z ≈
3−4 analogues of present-day CEMP-no stars.
This is further supported when their full abun-
dance pattern is taken into account (Saccardi
et al. 2023).

The discovery of these gaseous CEMP-no
systems suggests that optically thick, relatively
diffuse absorbers, can preserve the chemical
signatures of the first stellar generations. These
absorbers are likely too diffuse to sustain star
formation, a key requirement to prevent further
chemical pollution and safegard the signature
of the first stars (Salvadori & Ferrara 2012).
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Presently we are limited by the relatively
low resolution and signal-to-noise ratio of
available observations. However, with the ad-
vent of ANDES for ELT (Marconi et al. 2022)
we shall be able to carry out more detailed
studies of these absorbers at higher precision,
detecting key elements like Zn (Salvadori et al.
2019). By exploiting the Pop III star traces left
in both far-away gas and in nearby stars, we
will thus manage to understand the nature of
the first stars and galaxies.
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ABSTRACT

Context. We present the broad-band X-ray spectral analysis (0.6-50 keV) of seven Compton-thick active galactic nuclei
(CT-AGN; line-of-sight, l.o.s., column density > 1024 cm−2) candidates selected from the Swift-BAT 100-month catalog,
using archival NuSTAR data.
Aims. We aim at obtaining a complete census of the heavily obscured active galactic nuclei in the local Universe
(z < 0.05).
Methods. This work is in continuation of the on-going research of the Clemson-INAF group to classify CT-AGN
candidates at redshift z < 0.05, using physically-motivated torus models.
Results. Our results confirm that three out of seven targets are bona-fide CT-AGN. Adding our results to the previously
analysed sources using NuSTAR data, we increase the population of bona-fide CT-AGN by ∼ 9%, bringing the total
number to 35 out of 414 AGN. We also performed a comparative study using MYTorus and borus02 on the spectra in
our sample, finding that both physical models are strongly consistent in the parameter space of l.o.s. column density
and photon index. Furthermore, the clumpiness of the torus clouds is also investigated by separately computing the l.o.s.
and average torus column densities, in each of the seven sources. Adding our results to all the previous 48 CT-AGN
candidates analysed by the Clemson-INAF research team having NuSTAR observations: we find that 78% of the sources
are likely to have a clumpy distribution of the obscuring material surrounding the accreting supermassive black hole.

Key words. Galaxies: active; X-rays: galaxies; Galaxies: Seyfert

1. Introduction

Diffuse X-ray emission from the central regions of accreting
supermassive black holes in active galactic nuclei (AGN)
is responsible for most of the cosmic X-ray background
(CXB) radiation from a few keV to a few hundred keV
(Comastri 2004; Gilli et al. 2007; Ueda et al. 2014). The
contribution of unobscured AGN to the CXB is almost
completely resolved into point-like sources at E< 10 keV
(Worsley et al. 2005; Hickox & Markevitch 2006). CT-AGN
(CT-AGN; line-of-sight, l.o.s., column density > 1024 cm−2)
significantly contribute (∼ 15−30% Gilli et al. 2007; Ananna
et al. 2019) to the CXB around its peak (∼ 20 − 30 keV;
Ajello et al. 2008). In the local universe (z ≤ 0.1), the
fraction of CT-AGN revealed by the X-ray observations is
found to be ∼ 5 − 10% (Vasudevan et al. 2013; Ricci et al.

? phydhrubo@gmail.com
?? stefano.marchesi@inaf.it

2015; Torres-Albà et al. 2021). This reveals a big gap with
the predictions of AGN population synthesis models, which
postulates that the fraction of local CT-AGN should be of
∼ 20− 50% (Ueda et al. 2014; Ananna et al. 2019) to model
the CXB properly.

For low-redshift AGN, the circum-nuclear dusty torus
clouds are considered as the dominant medium of obscura-
tion, i.e. obscuration from the inter-stellar medium (ISM)
of the host galaxy is expected to be less significant (e.g.
Gilli et al. 2022). Due to significant suppression of intrinsic
X-rays below 10 keV by these obscuring Compton-Thick
clouds, it is difficult to detect heavily obscured AGN at
z ∼ 0 in the soft X-ray (E< 10 keV) band. Since heavily ob-
scured AGN have a noticeable Compton hump at ∼ 20− 40
keV, hard X-ray (E> 10 keV) observatories allow for the
detection and characterization of this kind of sources at
z ∼ 0. For example, the Swift Burst Alert Telescope (BAT)
is used as it is less biased against CT-AGN sources, being
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sensitive in the 15-150 keV range. To determine the existing
CT-AGN fraction, using a BAT volume-limited sample is
among the most efficient ways to reduce the bias against the
obscured sources. The importance of an obscuring medium
surrounding the meso-scale (∼ 1 − 100 pc) around AGN
has been highlighted by several theoretical and numerical
investigations (Gaspari et al. 2020, for a review). In a nut-
shell, in realistic turbulent environments, the host diffuse
medium is expected to recurrently condense in a top-down
multiphase condensation cascade of warm and cold clouds,
which then rain onto the central AGN. Such chaotic cold
accretion (CCA; Gaspari et al. 2013) is thus often respon-
sible for a clumpy distribution at the meso-scale, as well
as boosting the feeding rates at the micro scale (< 1 pc).
This multi-scale rain has been constrained and detected in
a wide range of galaxies and AGN (e.g., Rose et al. 2019;
Gaspari et al. 2019; Maccagni et al. 2021; Marchesi et al.
2022; McKinley et al. 2022; Temi et al. 2022).

The 100 month Swift-BAT catalog1 (the updated 150
month BAT catalog is in preparation, K. Imam et al.) con-
sists of 414 AGN at z < 0.05. From this AGN population,
our Clemson-INAF research group2 have selected a sample
of 55 CT-AGN candidates which have archival and Guest
Observer observations with the Nuclear Spectroscopic Tele-
scope Array (NuSTAR; Harrison et al. 2013). The target
sources are observed by NuSTAR within the energy range
of 3-79 keV, with high sensitivity, since NuSTAR is the first
instrument to focus X-ray photons at E>10 keV. For the
soft X-ray coverage at E<10 keV, we have used the available
X-ray spectra from XMM-Newton, Chandra or Swift-XRT .
We have carried out a systematic and comprehensive spec-
tral analysis in 0.6− 50 keV band, on each of the 55 sources
by using the uniform torus models- MYTorus and borus02
(See Marchesi et al. (2018); Zhao et al. (2021); Torres-Albà
et al. (2021); Traina et al. (2021)). In this work, we are
showing the results of the last seven sources from this sam-
ple. Here, we have independently computed line-of-sight
(l.o.s.) column density (NH,l.o.s.) and average torus column
density (NH,avr or NH,tor), to study the clumpiness of the
torus clouds even within the uniform torus framework. The
NH,l.o.s. is derived from the absorbed powerlaw coming di-
rectly from the ‘corona’. The NH,avr is instead obtained
from the reflection component, which can be modelled to
derive the average properties of the obscuring medium, such
as the above mentioned average torus column density, the
obscuring medium covering factor (CTor) and its inclination
angle (θInc) with respect to the observer.

This paper is organised as follows: in Section 2, we
discuss the selection methods and data analysis techniques.
In Section 3, we present physically motivated torus models
used in this work. Then, in Section 4, we show the results
of each of the sources we have analysed. In Section 5, we
analyse and discuss our and display the current census of
CT-AGN at z < 0.05, combining our results with those
obtained in previous works. Finally, in section 6, we present
the conclusions and a brief summary of our work, along
with a mention about the future projects. In Appendix A
and B, we show the tables of best-fit parameters and X-
ray spectral fitting plots, respectively. All reported error
ranges are at the 90% confidence level, if not mentioned

1 http://bat.ifc.inaf.it/100m_bat_catalog/100m_
bat_catalog_v0.0.htm
2 https://science.clemson.edu/ctagn/

otherwise. Through the rest of the work, we assume a flat
ΛCDM cosmology with H0 = 69.6 km s−1 Mpc−1, Ωm=0.29
and ΩΛ=0.71 (Bennett et al. 2014).

2. Sample Selection and Data Reduction

The seven sources (see Table 1 for details) of our sample are
CT-AGN candidates selected from the volume limited sam-
ple of Swift-BAT 100 month catalog, in the local Universe
(z< 0.05, D . 200 Mpc). These Seyfert galaxies were previ-
ously classified as CT-AGN in Ricci et al. (2015) using the
BNtorus model (Brightman & Nandra 2011), where Swift-
XRT was used for E< 10 keV (except for ESO138-G001,
where XMM-Newton data were used) and Swift-BAT for
E> 10 keV. Instead of BAT observations (15-150 keV), we
are using NuSTAR in the 3-50 keV range, as it is a grazing
incidence telescope with lower background and smaller field
of view resulting excellent sensitivity to source detection
with better photon statistics. At E< 10 keV, we preferred
XMM-Newton or Chandra for better data quality, particu-
larly in terms of source statistics compared to Swift-XRT .
For NGC 2788A, only Swift-XRT data was available. The
objects analysed in this work are CT-AGN candidates in the
100-month BAT sample for which no analysis with MYTorus
and borus02 of the joint soft X-ray and NuSTAR spectra
have been published yet.

2.1. NuSTAR Data Reduction

We have used both focal plane modules FPMA, FPMB
of NuSTAR for each source. The collected data have been
processed by NuSTAR Data Analysis Software– NUSTAR-
DAS version 2.0.0. The raw event files are calibrated by the
nupipeline script, using the response file from the Calibra-
tion Database– CALDB version 20210202. The source and
background spectra are extracted from a 30′′ (≈ 50% of the
encircled energy fraction–EEF at 10 keV) and 50′′ circular
region respectively. Using nuproducts scripts, we have gen-
erated source and background spectra files, along with ARF
and RMF. Finally, the NuSTAR spectra are grouped with
at least 20 counts per bin, using grppha. For each source,
we have used all the available NuSTAR observational data
taken during different epochs, to a) check variability, and
b) to improve the statistic of the spectra of these obscured
sources between 3 and 50 keV.

2.2. XMM-Newton Data Reduction

In XMM-Newton, we have collected the data from the PN,
MOS1 and MOS2 detectors. Using SAS version 19.0.0, we
have processed the data using epproc and emproc for the
PN and MOS filters, respectively. Finally we reduced and
cleaned the flares using evselect. The source photons were
obtained from a 30′′ circular region, with ∼ 85% EEF for
EPIC-PN at 1.5 keV. Background spectra were extracted
from a 50′′ circle near the source. Each spectrum has been
binned at 20 counts per bin, using grppha. We prefer to use
XMM-Newton wherever it is available, because the effective
area of XMM-Newton in 0.3-10 keV is ∼ 10 times bigger
than the Swift-XRT one and ∼ 2 times bigger than the
Chandra one.
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2.3. Chandra Data Reduction

Although the effective area of Chandra is smaller than that
of XMM-Newton, it is still 5 times larger than Swift-XRT .
Also, it has better angular resolution, a lower background
and the higher capability of resolving extended emission
from non-nuclear sources. We use Chandra in two different
scenarios: 1) when XMM-Newton data are unavailable, and
2) when XMM-Newton data are available, but to improve
the photon statistics at E< 10 keV. CIAO version 4.13 is
used to process and reduce the data. The source spectra
are extracted using a 5′′-radius circular region, that include
> 99% EEF.

3. Spectral Modeling

For X-ray spectral fitting on the objects in our sample, we
have used XSPEC (Arnaud 1996) version 12.11.1 in HEA-
SOFT. The metal abundance is fixed to Solar metallicity
from Anders & Grevesse (1989), while the photoelectric
cross sections for all absorption components are obtained
by using the approach of Verner et al. (1996). The Galactic
absorption column density is fixed for each source in our
sample following Kalberla et al. (2005). We also used a
thermal mekal(Mewe et al. 1985; Kaastra 1992; Liedahl
et al. 1995) component to phenomenologically model the
soft excess which is often observed in the spectra of obscured
AGN.

We followed a standard approach in analysing the CT-
AGN candidates, using self-consistent and up-to-date physi-
cally motivated uniform torus models, based on Monte Carlo
simulations: MYTorus (Murphy & Yaqoob 2009; Yaqoob
2012) and borus02 (Baloković et al. 2018), which are specif-
ically developed to characterise the X-ray spectra of heavily
obscured AGN. In this Section, we describe how these two
uniform torus models are used.

3.1. MyTorus

The obscuring material in MYTorus follows a toroidal or
donut-like geometry, with circular cross-section. This model
consists of three components: direct continuum (MYTZ ),
Compton-scattered continuum (MYTS ) and fluorescent line
component (MYTL). The MYTZ, also called zeroth-order
component, models the attenuation of intrinsic X-ray radia-
tion by the obscuring torus on the observer line-of-sight. The
second component MYTS computes the Compton-scattered
photons, which are responsible for the “Compton hump”
near ∼ 20 − 30 keV. Finally, MYTL models prominent fluo-
rescent emission lines such as: Fe Kα and Fe Kβ around 6.4
keV and 7.06 keV, respectively. Following the techniques in
Yaqoob (2012) and from the previous results of Marchesi
et al. (2018); Marchesi et al. (2019b,a); Zhao et al. (2019b,a);
Traina et al. (2021); Torres-Albà et al. (2021); Silver et al.
(2022); we have used only the decoupled-configuration of
MYTorus, to estimate the clumpiness of the torus clouds.
Here, we calculated the column density from direct con-
tinuum (NH,z) and scattered continuum (NH,S) separately,
allowing flexibility on the parameter estimation even within
a uniform cloud distribution framework.The ratio NH,z/NH,S

is used to evaluate the clumpiness, depending on how far

the ratio is from unity. In XSPEC, the configuration is as
follows:

Model MyTorusedge−on = CIns ∗ phabs ∗
(zpow ∗MY TZ +AS,90 ∗MY TS +AL,90 ∗MY TL+

fs ∗ zpow +mekal + zgauss),

(1)

Model MyTorusface−on = CIns ∗ phabs ∗
(zpow ∗MY TZ +AS,0 ∗MY TS +AL,0 ∗MY TL+

fs ∗ zpow +mekal + zgauss),

(2)

Here, equation 1 models the Edge-On view (θInc = 90°) and
equation 2 the Face-On view (θInc = 0°) on the AGN. We
have used both inclination angles to compute a comparative
study on the scattering column density arising from the
polar dust (Edge-On) vs back-reflection of the torus (Face-
On). We have equated and fixed the relative normalizations
from scattering and line components, AS = AL = 1, as
we consider them to have been originated from the same
regions where the direct power-law emerged. CIns is a cross-
calibration constant between the different instruments of
telescopes (or a cross-normalization constant between dif-
ferent observations of same telescopes). We also included
some additional components: fs to compute the scattering
fraction from the direct powerlaw that does not interact (or
elastically interact) with the torus, mekal to phenomeno-
logically model the soft excess, and zgauss to include any
additional emission lines.

3.2. BORUS02

The obscuring medium in borus02 consists of a spherical
geometry with bi-conical (polar) cut-out regions (Baloković
et al. 2018). This model is composed of three components:
a) borus02 itself which is a reprocessed component (in-
cluding Compton-scattered + fluorescent line component),
b) zphabs ∗ cabs to include l.o.s. absorption with Compton
scattering through the obscuring clouds. With this compo-
nent we multiply a cutoffpl1 to take into account the pri-
mary power-law continuum. C) Finally, another cutoffpl2
component is included separately with fs to include a scat-
tered unabsorbed continuum. The significant difference of
borus02 from MYTorus is that the torus covering factor
(CTor) in this model is kept as a free parameter varying
from 0.1− 1 (i.e. the torus opening angle is ranging between
θTor = 0° − 84°), along with inclination angle θInc which is
kept free between 18° − 87°. In our analysis using XSPEC,
we have used the following model configuration:

Model borus02 = CIns ∗ phabs ∗ (borus02 + zphabs

∗cabs ∗ cutoffpl1 + fs ∗ cutoffpl2
+mekal + zgauss),

(3)

Here mekal is included to compute the soft excess below 1
keV, and zgauss is introduced if there is any emission line
signature not included in borus02.
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4. Results of The X-ray Spectral Analysis

In this Section, we are showing the results of X-ray spectral
fitting on each CT-AGN candidate from Ricci et al. (2015),
using both physically motivated models mentioned in Section
3, with two versions of MYTorus and one borus02. In table
7, we display the summary of our analysis on the sample
using borus02. The best fit parameters are reported in
Table 2 and in A. The plots with X-ray spectral fitting are
shown in figure 1 and B. The background contribution for
all these sources is within 20%, unless mentioned otherwise.
In the Tables, we also report the observed flux and intrinsic
luminosity for each source.

4.1. MCG-02-12-017

The source was marked as a CT-AGN candidate based
on the data of Swift-XRT and Swift-BAT , with log
NH,l.o.s.=24.25+1.06

−0.46 in cm−2. For our analysis, we have used
the quasi-simultaneous observations of XMM-Newton and
NuSTAR, along with another NuSTAR observation which
was taken about 15 months earlier with a longer exposure
time ∼ 34 ks. The cross-calibration ratio between XMM-
Newton and NuSTAR detector for quasi-simultaneous ob-
servations is ∼ 75% whereas for the previous NuSTAR
observation, it is ∼ 85%.

This source is very well fitted (see Table 2 and Figure
1) by all three models. All the physically motivated mod-
els are in agreement that the observed line-of-sight column
density NH,l.o.s. = (0.23 − 0.30) × 1024 cm−2 is Compton-
Thin, in disagreement with the Ricci et al. (2015) result.
Even when we only used the quasi-simultaneous observa-
tions, the line-of-sight (l.o.s.) column density is consistent
as NH,l.o.s.,qs = (0.24 − 0.32) × 1024 cm−2. The average
torus column density is instead found to be close or above
the Compton thick threshold by MYTorus Edge-On and
borus02 (NH,tor = (0.9 − 4.83) × 1024 cm−2). The best-
fit value of the photon index ranges between Γ=1.94-2.11,
considering all the models. The estimation of torus proper-
ties, such as covering factor and opening angle in borus02,
is found to be difficult since the reflection component is
sub-dominant.

4.2. NGC 4180

This target was classified as a CT-AGN candidate based on
the data of Swift-XRT and Swift-BAT , log NH=24.15+0.27

−0.22

cm−2. For our analysis, we included only the two NuSTAR
observations, excluding the Chandra one due to its extremely
poor photon statistic (Table 1). We used Portable Interactive
Multi-Mission Simulator3 to convert NuSTAR spectrum
for E>2 keV, and found the predicted count rate (1.56
×10−3 cts/s) for Chandra is within the error range of the
observed one (1.42±0.82 × 10−3 cts/s). Moreover, the cross-
normalization ratio between two separate observations (2016
and 2020) of the FPMA detector is ∼ 50%, portraying
noticeable variability of the source.

The source is very well fitted (see Table A.1 and Fig-
ure B.3) by all models, showing consistent results with
each other, having Compton-Thick l.o.s. column density
NH,l.o.s. = (1.25 − 6.10) × 1024 cm−2 in agreement with the
results obtained by Ricci et al. (2015). Even the average

3 https://cxc.harvard.edu/toolkit/pimms.jsp

Table 2. Summary of best-fit solutions of XMM-Newton and
NuSTAR data using different models for MCG-02-12-017

Model: MyTorus MyTorus borus02

Edge-on Face-on

χ2/dof 192/200 192/200 186/198

CIns1
a 0.88+0.11

−0.10 0.89+0.09
−0.08 0.89+0.11

−0.10

CIns2
b 1.24+0.16

−0.15 1.28+0.12
−0.14 1.25+0.17

−0.15

Γ 1.94+0.14
−0.14 1.98+0.06

−0.12 2.11+0.13
−0.16

CTor
c — — 1.00+∗

−0.35

θInc
d — — 49+∗

−∗

NH,z
e 0.26+0.03

−0.03 0.26+0.03
−0.02 0.27+0.03

−0.03

NH,S
f 2.00+2.83

−1.10 10.0+∗
−9.99 1.98+1.07

−0.52

fs
g 10−2 0.25+0.16

−0.13 0.17+0.09
−0.09 0.20+0.12

−0.11

kTh 0.46+0.41
−0.37 0.48+0.29

−0.19 0.47+0.49
−∗

Fi
2−10keV 5.65+0.40

−0.67 5.59+0.44
−0.71 5.55+0.45

−1.76

Fj
10−40keV 1.57+0.11

−0.36 1.65+0.34
−0.41 1.63+0.17

−0.60

Lk
2−10keV 4.98+2.13

−1.52 4.82+0.56
−0.59 5.17+1.89

−1.47

Ll
10−40keV 4.69+2.01

−1.44 4.27+0.51
−0.51 3.77+1.37

−1.07

Notes. We summarise here the best-fits of joint XMM-Newton–
NuSTAR spectra using different torus models at 0.6-50 keV. The
statistics and degrees of freedom for each fit are also reported.
(a)

CIns1 = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2014 and XMM-Newton

observation of 2016.
(b)

CIns2 = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2016 and XMM-Newton

observation of 2016.
(c)

Covering Factor: Fraction of sky covered by the torus, as
seen by the nucleus, given by CTor = cos(θTor).

(d)

Inclination Angle: The angle (in degrees) between
symmetry axis of torus and line of sight angle

(e)

“Line of sight” column density in 1024 cm−2.
(f)

Average column density from scattering in 1024 cm−2.
(g)

Fraction of primary emission getting scattered, rather than
absorbed by the obscuring material.

(h)

Temperature in the thermal component mekal in keV.
(i)

Flux between 2–10 keV in 10−13 erg cm−2 s−1.
(j)

Flux between 10–40 keV in 10−12 erg cm−2 s−1.
(k)

Intrinsic luminosity between 2–10 keV in 1042 erg s−1.
(l)

Intrinsic luminosity between 10–40 keV in 1042 erg s−1.
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Fig. 1. X-ray spectral fitting of decoupled edge-on MYTorus (left) and borus02 (right) models of MCG-02-12-017 data. In both
the plots, the soft X-ray data (from XMM-Newton) is marked in red and hard X-ray data (from NuSTAR) is marked in blue. The
joint best-fit model in both soft and hard X-rays is plotted as a cyan line. The individual model components are shown in black as
follows: direct power-law emission (dash), reflected emission (solid), scattered emission (dot-dash), iron line (solid; in MYTorus it is
separate, in borus02 it is included in reflected emission) and mekal (dot).

torus column density, which is more accurately constrained
by MYTorus Edge-On and borus02 in this case, shows
NH,tor = (0.66 − 4.56) × 1024 cm−2, suggesting a moderate
CT nature of the obscuring material as a whole. The best-fit
values of photon index are Γ ∼ 1.40 − 1.66, considering all
the models. The hard index value shows that the models
might not be able to properly estimate the direct power-law
component contribution, in absence of soft X-ray data, and
therefore cannot fully break the NH,l.o.s.-Γ degeneracy. For
similar reasons, the covering factor and inclination angle also
show a large range of uncertainty. However, as it is shown in
Figure B.3, the overall spectral emission is dominated by the
reflected component over the l.o.s. component. Therefore,
from the available data, this source can be identified as a
bona fide CT-AGN. However, soft X-ray observations would
be required to put stronger constraints on the different
obscuring material parameters.

4.3. NGC 2788A

This source was marked as a CT-AGN candidate based
on the data of Swift-XRT and Swift-BAT , with log
NH=25.55+∗

−1.41 in cm−2. For our analysis, we have two
NuSTAR observations (taken in 2019 and 2020; total ex-
posure ∼ 51 ks). To cover the < 3 keV energy range, we
make use of 12 Swift-XRT observations taken from 2008 to
20204. Due to very low spectral counts in soft X-ray (∼ 34
counts; see Table 1), we have groupped the spectra from
XRT with 1 count/bin and jointly fitted the Swift-XRT
and NuSTAR spectra applying C-statistics over the entire
range, in XSPEC. The cross-calibration variability between
Swift-XRT and NuSTAR detectors fall within ∼ 20%.

4 We obtained a joint spectrum using the tool available at
www.swift.ac.uk/user_objects/

This source is very well fitted using the physically mo-
tivated models (see Table A.2 and Figure B.1). All models
show consistent results between each other. The l.o.s. col-
umn density NH,l.o.s. = (1.67 − 2.36) × 1024 cm−2 shows a
CT column density, which validates the result of Ricci et al.
(2015), although with a significantly lower value. In com-
parison with the average column density of the torus, the
best-fit value of MYTorus Face-On and borus02 are close
to each other with the range NH,tor = (1.72 − 22.69) × 1024

cm−2, agreeing with the CT nature of the cloud distribu-
tion. On these two models, the best-fit value of Γ is around
1.8-1.9. In addition, the borus02 model best fits the data
with an intermediate covering factor, although with large
uncertainties (0.49+0.47

−0.28), and inclination angle in the range
47°−72°. In Figure B.1, both models show considerable dom-
inance of the reflection component over the l.o.s. component,
suggesting even more the CT nature of the source. From
the available NuSTAR data, this source is confirmed to be
a bona fide CT-AGN. However, we need more observations
below 10 keV for a better understanding of the properties
of the obscuring material.

4.4. NGC 1106

This candidate was marked as a CT-AGN, based on the
data of Swift-XRT and Swift-BAT , claiming it to have log
NH=24.25+0.29

−0.17 in cm−2. For our analysis, we have used
XMM-Newton observation (taken in 03/2019; ∼ 33 ks) and
NuSTAR observations (taken in 02-2019 and 09-2020; total
exposure ∼ 41 ks). The cross-calibration ratio between
XMM-Newton and NuSTAR detectors is 1.4.

This source is very well fitted (see Table A.3 and Figure
B.2). All three models show consistent results with each
other. The l.o.s. column density NH,l.o.s. = (2.83 − 5.73) ×
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1024 cm−2 shows a CT column density, which validates the
result of Ricci et al. (2015). The torus average column density
is NH,tor = (1.34−7.98)×1024 cm−2, in agreement with the
CT nature of the torus. It is also interesting to note that
borus02, which has better Reduced χ2 value (∼ 1.04) and
a value of Γ (∼ 1.92) closer to the AGN average (Marchesi
et al. 2016), also estimates that the l.o.s. column density is
in agreement with the average torus column density, thus
suggesting that the obscuring material is likely uniform
(see Table A.3). Besides, the borus02 model gives a high
covering factor (0.87+0.11

−0.24), and moderate inclination angle
between 28° − 74°. Figure B.2 shows how the reflection
component is dominant over the direct power-law. From the
above analysis, this source can be counted as a bona fide
CT-AGN.

4.5. ESO406-G004

This target was marked as a CT-AGN candidate based on
the data of Swift-XRT and Swift-BAT , claiming to have
log NH=24.74+∗

−0.55 in cm−2. For our analysis, we have a
Chandra observation with very low exposure (∼ 5.1 ks)
and only 25 spectral counts in soft X-rays. Furthermore,
even though the two archival NuSTAR observations have
a much higher exposure time (total ∼ 60 ks), the source
count statistic is significantly lower than that of the other
sources (∼ 747 net counts in 2016 and ∼ 206 net counts
in 2020; see Table 1). Due to such low spectral counts, we
have used C-Statistics to fit the data after binning with 1
count/bin in Chandra, 10 counts/bin and 20 counts/bin on
NuSTAR observations of 2020 and 2016 respectively. It is
also noticeable that the observations were taken after large
gaps (∼ 4 years), and the cross-calibration ratio between
ACIS (of Chandra) and FMPA (of NuSTAR) detectors show
large variability ∼ 1.3 − 1.7. Furthermore, in the NuSTAR
observation of 06/2020, the background-noise contribution
on the spectral signal is ∼ 30− 40%, whereas the other data
sets have < 20% contribution.

This source is very well fitted by all the models. All the
three models show consistent results with each other. The
l.o.s. column density for this source NH,l.o.s. = (0.59−1.28)×
1024 cm−2 shows a mostly Compton-Thin column density,
contrary to the result of Ricci et al. (2015). The decoupled
MYTorus estimates NH,tor = (0.13 − 2.03) × 1024 cm−2

and borus02 estimates with large error range NH,tor =
(0.11−5.01)×1024 cm−2. Overall, it shows mostly Compton-
Thin clouds with upper bounds crossing the CT threshold.
Due to the lack of XMM-Newton data, it is likely that
the low-statistic in the soft X-ray along with a fairly low
statistic in the hard X-ray makes it difficult to properly
disentangle the Γ-NH,l.o.s. degeneracy. For similar reasons,
we find that borus02 computes low covering factor (best-
fit value ∼ 0.10), and inclination angle (18°) with high or
unconstrained error range.

Furthermore, we have noticed a significant cross-
calibration variability for the two NuSTAR observations
(see Table A.4). So, we also carried out a comparative
study on the NuSTAR observations of this source taken
in 05/2016 and 06/2020, to check flux and l.o.s. column
density variability (following the approach of Marchesi et al.
2022; Torres-Albà et al. 2023; Pizzetti et al. 2022), in Table
3. The cross-calibration flux value is measured with respect
to the Chandra observation of 06/2012. We fixed all the

Table 3. Flux and column density variability of ESO406-G004
from NuSTAR observations using borus02

Parameter Fixing only Fixing only Varying both

NH,l.o.s. CIns

CIns,NuS1
a 0.77+0.15

−0.12 0.84+0.22
−0.16 0.82+0.18

−0.14

CIns,NuS2
b 0.35+0.08

−0.07 ” 0.25+0.13
−0.08

NH,l.o.s.,NuS1
c 0.82+0.15

−0.12 0.88+0.21
−0.16 0.86+0.17

−0.14

NH,l.o.s.,NuS2
d ” 1.88+0.78

−0.45 0.58+0.29
−0.21

C-Stat/d.o.f. 84/93 92/93 82/92

(a) Cross-calibration value from FPMA detector, observed
in 2020

(b)

Cross-calibration value from FPMA detector, observed in
2016

(c)

l.o.s. column density from FPMA detector in 1024 cm−2, ,
observed in 2020

(d)

l.o.s. column density from FPMA detector in 1024 cm−2,
observed in 2016

other parameters for these two NuSTAR observations to
the best-fit values, and only kept the NH,l.o.s. and flux free
to vary. We studied the variability by fixing one of the two
parameters and letting the other free to vary, and finally
compared the values by varying both of them. We find that
the NH,l.o.s. increases ∼ 53% from 2016 to 2020 and the
flux is significantly increased (∼ 230%) in the 2020 obser-
vation with respect to the 2016 one. However, from the
reduced C-stat value, we that find the residual (data-model)
worsens if we vary only the l.o.s. column density. Whereas
fixing the NH,l.o.s. does not significantly change the fit in
respect to varying both flux and column density for the
different NuSTAR epochs. This indicates that the variabil-
ity observed between the two NuSTAR observations can
be explained within a pure-luminosity variability scenario,
while the fit improvement is not significant when allowing
the l.o.s. column density free to vary.

4.6. 2MASX J20145928+2523010

This candidate was also classified as a CT-AGN, based on
the data of Swift-XRT and Swift-BAT , claiming to have log
NH=24.42+0.20

−0.17 in cm−2. For our analysis, we have Chandra
(taken in 12/2018) and XMM-Newton (taken in 11/2017)
spectra with excellent photon statistics in the 0.6 − 10keV
energy range (total spectral counts ∼ 9k). Even in hard
X-rays, the two archival NuSTAR observations (taken in
05/2017 and 04/2020) have a high exposure time and net
spectral counts (total ∼ 3.6k). It is worth noting, that for
the joint NuSTAR and XMM-Newton observation taken
in 2017, we measure a cross-calibration ratio < 1.4. How-
ever, the flux of the 2018 Chandra and the 2020 NuSTAR
observation is almost twice (∼ 1.93 − 2.15) that of the
2017 XMM-Newton observation. There is also a significant
flux variability (factor of 0.77) between the NuSTAR and
XMM-Newton observations taken only 6 months apart.

Article number, page 7 of 20



A&A proofs: manuscript no. 1biblio

Table 4. Flux and column density variability of 2MASX
J20145928+2523010 from NuSTAR observations using borus02

Parameter Fixing only Fixing only Varying both

NH,l.o.s. CIns

CIns,NuS1
a 1.23+0.05

−0.04 1.53+0.07
−0.07 1.25+0.07

−0.05

CIns,NuS2
b 1.94+0.09

−0.09 ” 1.94+0.09
−0.09

NH,l.o.s.,NuS1
c * 5.63+1.96

−1.78 0.33+1.61
−∗

NH,l.o.s.,NuS2
d ” * *

χ2/d.o.f. 558/587 645/587 558/586

(a) Cross-calibration value from FPMA detector, observed
in 2017

(b)

Cross-calibration value from FPMA detector, observed in
2020

(c)

l.o.s. column density from FPMA detector in 1022 cm−2,
observed in 2017

(d)

l.o.s. column density from FPMA detector in 2020 is
unconstrained, represented as *

This source is very well fitted by all the models (see
Table A.5). All the three models show consistent results
with each other. The l.o.s. column density for this source
is NH,l.o.s. = (1.86 − 2.29) × 1022 cm−2, with a fairly low
l.o.s. column density, just above the standard 1022 cm−2

threshold which is used to classify obscured AGN. Such a
result is in strong disagreement with the one by of Ricci
et al. (2015). Even the average column density of the torus
is NH,tor = (9.07 − 28.66) × 1022 cm−2, i.e. Compton-Thin.
The decoupled MYTorus model shows a better estimate
of the photon index ∼ 1.69 − 1.89 compared to borus02,
in terms of consistency with the expected value. Due to
strong domination of the intrinsic powerlaw over the reflec-
tion component in the hard X-ray regime, borus02 fails to
compute the covering factor and inclination angle properly.
Noticing the absence of a reflection component, we also
tested a simple phenomenological model using photoelectric
absorption and powerlaw above 3 keV. We found χ2

ν ∼ 0.99
with NH,l.o.s. and Γ within the error range of borus02
results, considering a direct powerlaw along the line-of-sight.
Thus, for the similarity of the results and to maintain con-
sistency with the other sources, we have shown the results
of physically motivated torus models only in Table A.5.

Furthermore, also for this source, we find a cross-
calibration variability for different NuSTAR observations. So,
we show in Table 4 the comparative study on the NuSTAR
observations of this source taken in 05/2017 and 04/2020, to
check for flux and l.o.s. column density variability, similar
to Table 3. The cross-calibration value is measured with
respect to the XMM-Newton observation of 11/2017. Here
also, we see the reduced χ2 value does not show any sig-
nificant change when fixing only l.o.s. column density. But
the χ2/d.o.f. increases and worsens the fit, when we fix the
cross-calibration parameter only. Therefore, similarly to the
previous case, the observed flux change for this source also
can be explained by the intrinsic luminosity variability.

4.7. ESO138-G001

Table 5. Best-fitting parameters for different lines on data of
ESO138-G001, for different torus models.

Lines MyTorus MyTorus borus02

Edge-on Face-on

EW of Mg XI 0.10+0.01
−0.01 0.09+0.01

−0.01 0.10+0.01
−0.01

Intensity of Mg XI 10−5 0.66+0.06
−0.06 0.66+0.06

−0.06 0.67+0.06
−0.06

EW of S XV 0.10+0.02
−0.02 0.10+0.02

−0.02 0.09+0.02
−0.01

Intensity of S XV 10−5 0.23+0.05
−0.05 0.23+0.05

−0.05 0.22+0.05
−0.05

EW of Si XIII 0.07+0.02
−0.01 0.07+0.01

−0.01 0.07+0.01
−0.01

Intensity of Si XIII 10−5 0.28+0.04
−0.04 0.28+0.04

−0.04 0.28+0.04
−0.04

Notes. (1) We summarise here the details of the 3 most promi-
nent emission lines in Figure B.6 of joint XMM-Newton–NuSTAR
spectra following the publications- De Cicco et al. (2015a); Pi-
concelli et al. (2011).
(2) Equivalent Width (EW ) of the lines are shown in keV. Nor-
malization of line components are shown in photons/cm−2 s−1.

This source was marked as a CT-AGN based on the
data of XMM-Newton and Swift-BAT , claiming to have log
NH=25.25+∗

−0.31 cm−2. For our analysis, we have used XMM-
Newton and NuSTAR observations, both having excellent
count statistic (∼ 45k counts in the 0.5−10 keV and ∼ 12.7k
counts in the 3 − 50 keV band, respectively). The cross-
calibration ratio of the NuSTAR detector on XMM-Newton
for the source is ∼ 1.15.

The fit is worse (reduced χ2 ∼ 1.33− 1.45; see Table A.6
and Figure B.6) than those measured in the other sources.
The models are better fitted in the soft X-rays when adding
all the emission lines listed in Table 5, following the previous
works of Piconcelli et al. (2011); De Cicco et al. (2015b). All
three models are almost consistent with each other.

Studying all the models, the l.o.s. column density
NH,l.o.s. = (0.30 − 0.40) × 1024 cm−2 shows Compton-Thin
clouds, differing from the results of Ricci et al. (2015). In
comparison with the average column density of torus, the
decoupled MYTorus (Face-On) and borus02 estimates
NH,tor = (2.45 − 10.43) × 1024 cm−2, supporting a CT
average column density scenario. It is also noticeable that
the borus02 gives comparatively better Reduced χ2 value
(∼ 1.33) and Γ ∼ 1.95 − 1.99. Besides, the borus02
model further computes moderate-to-high covering factor
(0.68 − 0.83), but low inclination angle with unconstrained
error. We also had to include an extra Gaussian line profile
for the fluorescent lines in the models, to account for a
broader line profile than the one implemented within the
torus models. The high NH,tor and high covering factor show
that the reprocessed emission is significantly dominant with
prominent Fe line. In borus02, adding the Gaussian line
improves the fit significantly, with F-statistic value≈ 42.2.

5. Discussions

This paper reports the analysis of 7 CT-AGN candi-
dates: MCG-02-12-017, NGC 2788A, NGC 4180, 2MASX
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J20145928+2523010, ESO406 G-004, NGC 1106 and
ESO138 G-001 from the 100-month Palermo BAT sam-
ple. For the first time, we analysed the NuSTAR spectra of
these sources using MYTorus and borus02.

5.1. Clumpy Torus and Variability

The l.o.s. column density and average torus column density
of three out of seven sources in our sample (NGC 4180, NGC
2788A and NGC 1106) are found to be in agreement within
their uncertainty ranges and above the Compton-Thick
threshold (> 1024 cm−2). For ESO406 G-004, the column
densities are compatible within their error range, but fall
in the Compton-Thin range. The remaining three sources
(MCG-02-12-017, 2MASX J20145928+2523010, ESO138 G-
001) show incompatible column densities thus hinting at a
clumpy nature of the obscuring medium. In the left panel
of Figure 2, we compare the l.o.s. column density results of
our sample using borus02 along with the results of Ricci
et al. (2015). All the seven candidates from Ricci’s paper lie
above the CT threshold with large uncertainties, whereas
the use of NuSTAR data instead of Swift-BAT reduces the
error bar significantly, displaying only three sources above
CT line, leading to the confirmation of only three sources
as CT. On the right side panel of Figure 2 shows a clear
trend of the flux ratio at 2-10 keV as a function of NH,l.o.s.:
the larger the l.o.s. column density, the stronger the flux of
reflected continuum over direct continuum.

Furthermore, in Figure 3, we show the distribution of
NH,l.o.s. and NH,avr of our sample AGN along with all the
previous results of the CT-AGN candidates analysed by the
Clemson-INAF group. The NH,l.o.s.

NH,avr
=1 line is shown as a

brown-dashed line and, 1:2 and 2:1 ratios are shown as pink
dot-dashed lines to classify the sources with comparatively
homogeneous torus when they produce the column density
ratio within ∼ 0.5 − 2.0. Only 12 sources (∼ 22% of the
sample) fall within this region. The remaining 43 sources (∼
78% of the sample) show instead a significant inhomogeneity,
and considering error bar at 3 σ level, 34 sources (∼ 62%)
fall completely outside the given area. This is also a natural
outcome of a CCA scenario, in which the multi-phase clouds
continuously rain through the meso scale, thus recurrently
obscuring the line-of-sight. The residual gas experiencing
less inelastic collisions (and thus less angular momentum
cancellation) tends to accumulate in a clumpy torus-like
structure at such meso scale (Gaspari et al. 2017). Therefore,
from all the previous results along with those presented in
this work, we can conclude that most of these obscured active
galaxies have a significantly clumpy torus (∼ 78% of the
total population). It is also important to note that the two
column densities are strongly non-correlated. By statistically
analysing the parameters for all the 55 sources, their Pearson
correlation coefficient5 yields ρ ≈ 0.003 (similar to what was
obtained by Torres-Albà et al. (2021): -0.017). This states
that a bona fide CT-AGN should not necessarily be made
of CT-torus. As supported by hydrodynamical simulations
(see for example Gaspari et al. 2020), a realistic torus is a
composition of multi-phase and multi-scale clouds, whose
integral (e.g., density) can substantially change along each
line of sight. This result of non-correlation is consistent even
with the results of Zhao et al. (2021), in which a sample
5 ρ ≈ 1 or ρ ≈ −1 for strong linear correlation or anti-correlation
respectively, and ρ ≈ 0 for lack of correlation.

of ∼ 100 local Compton-Thin AGN were studied (along
with CT-AGN) using high quality NuSTAR data along with
soft X-ray data, finding that NH,tor shows similar value
(∼ 1.4 × 1024 cm−2) for different NH,l.o.s.. In Figure 3, we
increased our sample by including 74 sources from Zhao
et al. (2021), marked as small grey circles. All of them have
NH,l.o.s. > 1022 cm−2. We found that the percentage of total
population of homogeneous torus comes down to ∼ 16% of
the enlarged sample, including the Compton-Thin sources.
By calculating the Pearson correlation coefficient between
the column densities with this enlarged sample, we find
similar non-correlation scenario (∼ −0.012), as obtained
before including these Compton-Thin AGN.

Through multi-epoch X-ray monitoring on these ob-
scured sources, we can study the l.o.s. column density vari-
ability and confirm the in-homogeneity of the circum-nuclear
cloud distribution. Some previous observations have reported
extreme variability even like a “changing-look” nature from
CT to Compton-Thin or vice-versa: NGC 7582 (Bianchi et al.
2009; Rivers et al. 2015), IC 751 (Ricci et al. 2016), NGC
1358 (Marchesi et al. 2022) and a few more. In our sample,
2MASX J20145928+2523010 shows strong variability over
a three-year time-span. On the other hand, ESO138 G-001
shows almost no variability after 7 years of observational
gap (Section 4.7). We would need follow-up observations
with longer exposures on all these sources, for a better study
on variability (i.e. clumpiness) over the time scales from
weeks to years. Nevertheless, to properly assess the complex
cloud distribution within the torus, a joint analysis of both
X-ray and mid-IR (Berta et al. 2013; Buchner et al. 2019;
Esparza-Arredondo et al. 2021) is required for an optimal
study of each of these obscured sources along with the multi-
epoch X-ray observations. We consider this for our future
work.

5.2. Updated Census of local CT-AGN candidates

Out of the seven 100-month BAT candidate CT-AGN anal-
ysed in this work, three are confirmed to be bona fide CT-
AGN. This brings the total number of CT-AGN at z < 0.05,
to 356 (Koss et al. 2016; Oda et al. 2017; Marchesi et al.
2018; Marchesi et al. 2019b,a; Georgantopoulos & Akylas
2019; Tanimoto et al. 2019a; Kammoun et al. 2020; Zhao
et al. 2021, 2020; Traina et al. 2021; Torres-Albà et al.
2021). In the left panel of Figure 3, we studied 55 CT-AGN
candidates analysed by our Clemson-INAF group in the
parameter space of observed NH,l.o.s. and computed NH,avr.
27 (∼ 50%) of them have NH,l.o.s. > 1024 cm−2.

The total percentage of confirmed CT-AGN from Swift-
BAT selection within local Universe (z< 0.05) is ∼ 8%
(35/414), much lower than the CT-AGN fraction predicted
by the population synthesis models. Our results also update
the CT-AGN fraction within the distance z < 0.01 to (∼
22% ± 5.9)%7 (11 CT-AGN out of 50 AGN; on Torres-Albà
et al. 2021 the stats showed 10 CT-AGN out of 50). In
figure 4, we show the fraction of CT-AGN from the total
AGN population in the 100 month Swift-BAT catalog. The
fraction drops by moving towards higher redshifts (z >
0.01) because the CT-AGN sources become too faint to be
detected by Swift-BAT (Koss et al. 2016).

6 https://science.clemson.edu/ctagn/
7 Standard error in binomial distribution.
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Fig. 2. Comparisons of X-ray spectral properties of the seven sources. Left: Comparing the l.o.s. column density values (as red-dot)
and it’s uncertainity values, from Ricci et al. (2015) (black markers) versus this work (blue markers). The horizontal and vertical
grey-dashed lines classify the CT column density threshold. Right : Observed (i.e., non-absorption corrected) flux ratio of reflected
component over the direct transmitted component in the 2-10 keV band for each source of our sample, plotted along the l.o.s.
column density in X-axis.

5.3. Comparison with XClumpy results

Recently, Tanimoto et al. 2022 (T22 hereafter) published the
results of the X-ray spectral analysis with the ‘XClumpy’
model (Tanimoto et al. 2019b) of the sources analysed in
this work (as part of a larger sample of low–redshift, heavily
obscured AGN). ‘XClumpy’ model considers the torus as
clumpy and in-homogeneous, assuming power-law distribu-
tion along the radial axis and Gaussian distribution along
the vertical axis of the torus. Below, we compare their re-
sults with those obtained using MYTorus decoupled and
borus02 in this work.

– MCG-02-12-017: For this source, T22 used the quasi-
simultaneous observations of XMM-Newton and NuS-
TAR (ObsID: 60101015002). The l.o.s. column density
and photon index, at 90% confidence, gives NH,l.o.s. =
(0.21 − 0.28) × 1024 cm−2 and Γ = 1.53 − 1.88, respec-
tively. The results are very consistent with our results
(see Table 2). Similarly, the computed equatorial (av-
erage) column density mostly falls within the limits of
error range (NH,eq = (1.16 − 9.59) × 1024 cm−2) of our
analysis, which is also in agreement with our prediction
of clumpy nature of the torus. Overall, for this source,
the XClumpy model is in agreement with the decoupled
MYTorus and borus02 models.

– NGC 4180: For this source, T22 used the observations
of Chandra and NuSTAR (ObsID: 60201038002). The
l.o.s. column density and photon index, at the 90% confi-
dence level, gives NH,l.o.s. = (0.68−3.75)×1024 cm−2 and
Γ = 1.44 − 1.66, respectively. The results are consistent
with the decoupled Face-ON MYTorus and borus02
results (see Table A.1). Similarly, the computed equa-
torial (average) column density mostly falls within the

range (NH,eq = (1.92 − 4.10) × 1024 cm−2) computed in
our analysis, which is also in agreement with our predic-
tion of clumpy nature of the torus. Even though in our
analysis, we only used NuSTAR data on this source, the
results of MYTorus and borus02 model still comes in
agreement with the XClumpy results.

– NGC 2788A: For this source, T22 used the observa-
tions of Suzaku (obsID: 710007010) and NuSTAR (Ob-
sID: 60469001002). The l.o.s. column density and pho-
ton index, at the 90% confidence level, gives NH,l.o.s. =
(1.55 − 2.83) × 1024 cm−2 and Γ = 1.59 − 1.78, respec-
tively. The results are very consistent with our results
(see Table A.2), even though we have used Swift-XRT
instead of Suzaku at energies E< 10 keV. The computed
equatorial (average) column density also falls within the
range (NH,eq = (2.18 − 4.57) × 1024 cm−2) of our analy-
sis. Even for the covering factor measurement, XClumpy
estimates θTor = 19° − 46°, which significantly narrows
the error range and falls within the borus02 computed
range of θTor = 16° − 78°. Also, while computing the
inclination angle θInc = 62° − 85°, the values can be
considered in agreement within the uncertainties with
borus02 fitting (47° − 72°). Overall, for this source,
the results obtained using the XClumpy model can be
regarded as consistent with those obtained using the
decoupled MYTorus and borus02 ones.

– NGC 1106: For this source, T22 used the observations
of XMM-Newton and NuSTAR (ObsID: 60469002002).
The l.o.s. column density and photon index, at 90%
confidence, shows NH,l.o.s. = 3.45 − 4.29 × 1024 cm−2

and Γ = 1.37 − 1.83, respectively. These results are
consistent with our results (see Table A.3). On the other
hand, the computed equatorial (average) column density
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Table 6. Comparisons of best-fit values for Γ (photon index) and Torus column density using the torus models

Models: borus02 MYTorus (Decoupled Edge-On) XClumpy (from T22)

Sources Γ NH,torus Γ NH,S Γ NH,eq

(1024 cm−2) (1024 cm−2) (1024 cm−2)

MCG-02-12-017 2.11+0.13
−0.16 1.98+1.07

−0.52 1.94+0.14
−0.14 2.00+2.83

−1.10 1.54+0.18
−0.45 9.59+∗

−8.43

NGC4180 1.55+0.44
−∗ 1.74+2.82

−1.08 1.66+0.39
−∗ 1.97+0.33

−0.73 1.61+0.05
−0.17 4.10+∗

−2.18

NGC2788A 1.95+0.32
−0.31 4.26+18.43

−2.54 1.56+0.20
−∗ 1.25+0.24

−0.60 1.67+0.11
−0.08 2.37+2.20

−0.19

NGC1106 1.92+0.44
−0.35 4.83+∗

−1.38 1.40+0.00
−∗ 1.46+0.18

−0.12 1.67+0.16
−0.30 8.17+1.63

−1.51

ESO406-G004 1.42+0.02
−∗ 4.97+∗

−4.80 1.48+0.30
−∗ 0.49+1.11

−0.62 1.10+0.28
−∗ 0.64+0.55

−0.23

2MASX J20145928+2523010 1.52+0.05
−0.04 0.18+0.05

−0.04 1.79+0.10
−0.10 0.12+0.04

−0.03 1.42+0.03
−0.09 1.01+0.89

−0.67

ESO138-G001 1.98+0.01
−0.03 10.35+0.08

−0.08 1.53+0.05
−0.05 1.47+0.60

−0.49 1.45+0.03
−0.06 5.34+1.53

−3.66

Table 7. Best fit borus02 parameters for the sample

Sources Γ NH,l.o.s. NH,torus CTor θInc

(1024 cm−2) (1024 cm−2) (Degees)

MCG-02-12-017 2.11+0.13
−0.16 0.27+0.03

−0.03 1.98+1.07
−0.52 1.00+∗

−0.35 49+∗
−∗

NGC4180 1.55+0.44
−∗ 1.78+1.40

−0.51 1.74+2.82
−1.08 0.88+∗

−0.77 49+12
−∗

NGC2788A 1.95+0.32
−0.31 2.34+∗

−0.58 4.26+18.43
−2.54 0.49+0.47

−0.28 63+9
−16

NGC1106 1.92+0.44
−0.35 4.79+∗

−1.96 4.83+∗
−1.38 0.87+0.11

−0.24 37+37
−9

ESO406-G004 1.42+0.02
−∗ 0.79+0.04

−0.12 4.97+∗
−4.80 0.10+∗

−∗ 18+69
−∗

2MASX J20145928+2523010 1.52+0.05
−0.04 0.02+0.00

−0.00 0.18+0.04
−0.05 1.00+∗

−0.23 18+∗
−∗

ESO138-G001 1.98+0.01
−0.03 0.47+0.07

−0.06 10.35+0.08
−0.08 0.80+0.03

−0.12 18+∗
−∗

falls in the upper limits of error range (NH,eq = (6.66 −
9.80) × 1024 cm−2) compared to our analysis. In case
of computing the inclination angle θInc = 60° − 77° and
covering factor θTor = 14°− 31°, their results falls within
the large confidence range of our analysis (θInc = 28°−74°
and θTor = 11° − 51°). It is noticeable that the error
ranges are significantly reduced while using XClumpy.
Nevertheless, for this source, the XClumpy model results
are compatible with those obtained using the decoupled
MYTorus and borus02 models.

– ESO406 G-004: For this source, T22 used the obser-
vations of Swift-XRT (ObsID: 00081420001) and NuS-
TAR (ObsID: 60161799002). The l.o.s. column density
and photon index, at the 90% confidence level, shows
NH,l.o.s. = (0.38−6.34)×1024 cm−2 and Γ = 1.10−1.38,
respectively. As we used Chandra and both available
NuSTAR data, our results show better constraints (see
Table A.4) on this source compared to their results. How-
ever, the computed equatorial (average) column density
mostly falls within the range (NH,eq = (0.41−1.19)×1024

cm−2) of our analysis. The XClumpy model is compatible
with decoupled MYTorus and borus02 results.

– 2MASX J20145928+2523010: For this source, T22
used the observations of XMM-Newton and NuSTAR
(ObsID: 60201032002). The l.o.s. column density and
photon index, at 90% confidence, gives NH,l.o.s. = (0.01−
0.03)× 1024 cm−2 and Γ = 1.33− 1.45, respectively. The
results of NH,l.o.s. shows consistency with our results, but
Γ value is much lower than MYTorus and borus02 (see
Table A.5). However, the computed equatorial (average)
column density falls within the range (NH,eq = (0.34 −
1.90) × 1024 cm−2) of our analysis, which is also in
agreement with our prediction of clumpy torus clouds.
Overall, for this source, the XClumpy model is consistent
with most of the results of decoupled MYTorus and
borus02 models, except in Γ.

– ESO138 G-001: For this source, T22 used the ob-
servations of XMM-Newton and NuSTAR (ObsID:
60201040002). The l.o.s. column density and photon in-
dex, at 90% confidence, gives NH,l.o.s. = (0.42 − 0.50) ×
1024 cm−2 and Γ = 1.42− 1.51, respectively. The results
are quite inconsistent with our results (see Table A.6),
specially compared to the photon index from borus02
which is Γ = 1.95 − 1.99 . Similarly, the computed equa-
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Fig. 3. We show the census of the previous results of CT-AGN
candidates (selected from Ricci et al. (2015)) having z< 0.01
with archival NuSTAR data, analysed by the Clemson-INAF
group: Marchesi et al. (2018), Zhao et al. (2021), Torres-Albà
et al. (2021), Traina et al. (2021) and including our analysis.
The sample of these CT-AGN candidates are marked as large
circles. In the parameter space of average vs l.o.s. column density,
grey-dashed lines drawn horizontally and vertically marks the CT
column density threshold. The brown-dashed diagonal line (i.e
the “Line of Homogeneity”) identifies an homogeneous obscuring
material distribution. The region within the pink dot-dashed
lines is used to classify the number of sources with homogeneous
torus. We also included the sample of 74 Compton-Thin sources
from Zhao et al. (2021), shown as small grey circles.

torial (average) column density has a value within the
range (NH,eq = (1.68−6.87)×1024 cm−2) of our analysis.
Their covering factor θTor = 10° − 13° lies much below
than the borus02 estimates of θTor = 34° − 47°. For
this source, the XClumpy model in T22 is inconsistent
with the decoupled MYTorus and borus02 results. We
note that, borus02 results in a better fit (reduced χ2

value ∼ 1.32) compared to the fit exhibited in T22 paper
(reduced χ2=1.39).

Summarizing the above comparisons, we find XClumpy
places stronger constraints on the different torus parameters,
by having smaller uncertainties, with respect to borus02
and MYTorus. The only exception is ESO138 G-001, which
is best-fitted using borus02 in our analysis, because T22
did not include the prominent emission lines that we men-
tioned in Table 5. We also noticed that XClumpy model
shifts the best-fit value of photon index to harder values
by ∼ 6 − 22% compared to borus02 and by ∼ 0.6 − 26%
compared to the best-fit model of decoupled MYTorus, in
our sample. In table 6, we have shown the values of photon
index and average torus column density, computed using dif-
ferent torus models for each source. We note that T22 used
only one NuSTAR observation for each source. In this work,
we have used all the available observations from NuSTAR
for these heavily obscured sources, to increase the photon

Fig. 4. Evolution of observed CT-AGN fraction from 100 month
Swift-BAT catalog as a function of redshift (for z< 0.05). The red
points represent the CT-AGN fraction within the given redshift
bin of 0.01 and blue points show the cumulative value of the
fraction within the given redshift. The displayed error bars are
in Binomial statistics. This figure is updated from the CT-AGN
fraction plot of Torres-Albà et al. (2021).

statistic over 10keV and minimise the under/over-estimation
of spectral parameters. Overall, for our sources, we do not
find any significant discrepancies when using XClumpy in
comparison with borus02 and decoupled MYTorus mod-
els.

6. Conclusions and Summary

In this work, we studied and classified 7 CT-AGN candi-
dates from 100 month Swift-BAT catalog using archival
NuSTAR observations. All sources have at least one NuS-
TAR observation covering the 3–50 keV energy range. In
the 0.6–10 keV band, we have used XMM-Newton data for
three targets, Chandra data for two targets and both XMM-
Newton–Chandra in one target. NGC 2788A has only Swift-
XRT data in the soft X-ray. We classified the sources on the
basis of their best-fit value of l.o.s. hydrogen column density,
i.e., if NH,l.o.s. ≥ 1024 cm−2 the candidates are marked as
bona-fide CT-AGN. Otherwise they are identified as par-
tially CT-AGN or Compton-Thin AGN depending on their
column density. The summary of our results and conclusions
are as follows:

1. From the 7 CT-AGN candidates, 3 are confirmed as
bona fide CT-AGN with moderate to high covering
factors, using NuSTAR data above 10 keV. Three of
them shows l.o.s. column density Compton-Thin, but
torus column density above CT-threshold. Only 2MASX
J20145928+2523010 shows Compton-Thin values in both
the column densities. The summary of the results of all
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these sources with borus02 model is displayed in Table
7.

2. This present work updates the total number of NuSTAR-
confirmed CT-AGN to 35, for z < 0.05, which is ∼ 8%
of the total AGN population in 100 month BAT catalog.
This value is still quite below the predicted value (∼
20−50%) of the CXB population synthesis models, which
suggests that a significant fraction of heavily obscured
AGN are missed even by a hard X-ray telescope such as
Swift-BAT .

3. Out of 55 CT-AGN candidates analysed by our Clemson-
INAF research group, adding the results of this work
brings the population of bona fide CT-AGN to 27 (∼
50%). Among these, only 14 (∼ 25%) candidates show
both NH,l.o.s. and NH,avr above the CT-threshold.

4. We find no correlation between these two column densi-
ties (NH,l.o.s. and NH,avr) from our sample. Our results
state that identifying a bona fide CT-AGN i.e. obscured
AGN with NH,l.o.s. > 1024 cm−2 would not lead to the
conclusion that the torus is also CT. Similarly, Compton-
Thin NH,l.o.s. should not mean that the torus is also
Compton-Thin.

5. Most of these obscured galaxies have significantly clumpy
or in-homogeneous distribution of clouds. Multi-epoch
monitoring of these sources using telescopes like XMM-
Newton, Chandra and NuSTAR will help us to study
their intrinsic flux and l.o.s. column density variability.
This will give a better understanding of cloud movements
in the obscuring medium and X-ray emission from the
central engine.

6. MYTorus and borus02 results are consistent with each
other, in estimating the column densities and other pa-
rameters of the sources. In most of the cases, borus02
shows better fitting from a statistical point of view,
along with the estimation of torus opening angle and
inclination angle of the obscured AGN which are fixed
parameters in MYTorus.

7. We find our results on the 7 CT-AGN candidates using
the uniform torus models are compatible with the results
of the non-uniform torus model XClumpy in Tanimoto
et al. (2022). However we also notice the trend that
XClumpy shifts the photon index to harder values in
comparison to the uniform torus models we have used.
As proof, we have displayed the Γ and torus column
density values of T22 with respect to our results in table
6.

For future works, a joint analysis of the X-ray properties
and the reprocessed emission at mid-IR will be carried
out for a better understanding of the torus structure and
obscuration properties (Sengupta et al. in prep.). We will
also use multi-epoch observations on some of these sources,
in the framework of theoretical models like CCA (Gaspari
et al. 2013), warped-accretion disk (Buchner et al. 2021)
and others, in the future works (Torres-Albà et al. 2023,
Sengupta et al. in prep., Pizzetti et al. in prep).
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Appendix A: Tables of X-Ray Spectra

Table A.1. Summary of best-fit solutions of NuSTAR data using
different models for NGC 4180

Model MyTorus MyTorus borus02

Edge-on Face-on

χ2/dof 76/64 84/64 76/62

CIns
a 1.47+0.27

−0.21 1.48+0.26
−0.22 1.47+0.26

−0.21

Γ 1.66+0.39
−∗ 1.40+0.22

−∗ 1.55+0.44
−∗

CTor — — 0.88+∗
−0.77

θInc — — 49+12
−∗

NH,z 6.10+∗
−4.30 1.49+0.36

−0.24 1.78+1.40
−0.51

NH,S 1.97+0.33
−0.73 3.98+1.08

−∗ 1.74+2.82
−1.08

fs10−2 0.40+1.02
−0.20 0.55+1.05

−∗ 2.27+1.31
−1.68

F2−10keV 1.34+0.22
−∗ 1.30+0.15

−∗ 1.33+3.82
−∗

F10−50keV 4.49+20.85
−∗ 4.73+9.22

−∗ 4.54+0.39
−∗

L2−10keV
b 11.01+51.43

−∗ 2.72+3.18
−0.47 3.21+7.78

−1.38

L10−50keV
c 19.05+89.05

−∗ 7.14+0.38
−4.27 6.63+15.99

−2.85

Notes. We summarise here the best-fits of NuSTAR spectra
using different torus models between 3 and 50 keV, referred in
Section 4.2. The statistics and degrees of freedom for each fit are
also reported. The parameters are reported as in Table 2 if not
mentioned otherwise.
(a)

CIns is the ratio of cross-normalization constant between
two NuSTAR observations through their FPMA detectors.
(b)

Intrinsic luminosity between 2–10 keV in 1041 erg s−1.
(c)

Intrinsic luminosity between 10–50 keV in 1041 erg s−1.

Table A.2. Summary of best-fit solutions of Swift-XRT and
NuSTAR data using different models for NGC 2788A

Model MyTorus MyTorus borus02

Edge-on Face-on

C-Stat/dof 136/153 116/153 116/151

CIns1
a 1.12+0.58

−0.38 0.93+0.40
−0.26 0.94+0.40

−0.27

CIns2
b 1.36+0.70

−0.46 1.13+0.48
−0.31 1.14+0.47

−0.32

Γ 1.56+0.20
−∗ 1.75+0.17

−0.24 1.95+0.32
−0.31

CTor — — 0.49+0.47
−0.28

θInc — — 63+9
−16

NH,z 3.95+∗
−1.91 1.95+0.41

−0.28 2.34+∗
−0.58

NH,S 1.25+0.24
−0.60 3.74+3.74

−1.37 4.26+18.43
−2.54

fs 10−2 0.23+0.26
−0.13 0.07+0.25

−∗ 0.03+0.14
−∗

F2−10keV 4.36+129.64
−2.82 4.56+1.73

−2.10 4.50+7.26
−∗

Fc
10−50keV 1.15+1.65

−∗ 1.12+0.06
−0.52 1.11+0.08

−0.64

L2−10keV 9.48+11.06
−5.71 5.33+4.14

−2.82 11.29+27.28
−∗

L10−50keV 19.10+22.31
−11.50 8.04+6.23

−4.26 12.33+29.80
−∗

Notes. We summarise here the best-fits of joint Swift-XRT–
NuSTAR spectra using different torus models at 0.8-50 keV,
referred in Section 4.3. The statistics and degrees of freedom for
each fit are also reported. The parameters are reported as in
Table 2 if not mentioned otherwise.
(a)

CIns1 = CFPMA/XRT is the cross calibration constant
between NuSTAR observation of 2019 and Swift-XRT .

(b) CIns2 = CFPMA/XRT is the cross calibration constant
between NuSTAR observation of 2020 and Swift-XRT .

(c) Flux between 10–50 keV in 10−11 erg cm−2 s−1.
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Table A.3. Summary of best-fit solutions of XMM-Newton and
NuSTAR data using different models for NGC 1106

Model MyTorus MyTorus borus02

Edge-on Face-on

χ2/dof 357/295 310/295 304/293

CIns1
a 0.75+0.15

−0.14 1.05+0.22
−0.19 1.07+0.24

−0.19

CIns2
b 0.92+0.15

−0.17 1.28+0.27
−0.22 1.29+0.28

−0.23

Γ 1.40+0.00
−∗ 1.68+0.11

−0.22 1.92+0.44
−0.35

CTor — — 0.87+0.11
−0.24

θInc — — 37+37
−9

NH,z 4.00+1.73
−0.65 3.43+∗

−0.76 4.79+∗
−1.96

NH,S 1.46+0.18
−0.12 7.98+∗

−3.48 4.83+∗
−1.38

fs 10−2 0.71+0.26
−0.19 0.72+0.71

−0.36 0.46+1.04
−0.38

kT 0.97+0.17
−0.11 1.01+0.47

−0.11 0.99+0.32
−0.12

kT 0.38+0.57
−0.31 0.42+0.21

−0.10 0.42+0.21
−0.11

F2−10keV 2.73+94.62
−2.70 2.63+1.87

−2.22 2.60+11.20
−2.45

F10−50keV 7.62+23.18
−7.61 7.83+3.02

−7.59 7.98+11.97
−7.97

L2−10keV 6.87+1.91
−1.66 3.68+1.58

−0.95 5.02+5.75
−3.97

L10−50keV 18.04+5.01
−4.37 6.16+2.65

−1.60 5.50+6.29
−4.35

Notes. We summarise here the best-fits of joint XMM-Newton–
NuSTAR spectra using different torus models at 0.6-50 keV,
referred in Section 4.4. The statistics and degrees of freedom
for each fit are also reported.The parameters are reported as in
Table 2 if not mentioned otherwise.

(a) CIns = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2020 and XMM-Newton

observation of 2019.
(b)

CIns = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2020 and XMM-Newton

observation of 2019.

Table A.4. Summary of best-fit solutions of Chandra and NuS-
TAR data using different models for ESO406-G004

Model MyTorus MyTorus borus02

Edge-on Face-on

C-Stat/dof 84/86 84/86 83/84

CIns1
a 0.73+0.65

−0.30 0.85+0.63
−0.36 0.68+0.60

−0.07

CIns2
b 0.35+0.32

−0.15 0.41+0.31
−0.18 0.34+0.35

−0.06

Γ 1.48+0.30
−∗ 1.40+0.62

−∗ 1.42+0.02
−∗

CTor — — 0.10+∗
−∗

θInc — — 18+69
−∗

NH,z 0.85+0.43
−0.23 0.73+0.27

−0.14 0.79+0.04
−0.12

NH,S 0.49+1.11
−0.36 1.30+0.73

−1.19 4.97+∗
−4.80

fs 10−2 0.65+1.33
−0.62 0.81+1.29

−∗ 0.37+0.65
−∗

kT 0.51+0.20
−∗ 0.52+0.19

−∗ 0.52+0.18
−0.18

F2−10keV 3.41+1.37
−3.41 3.19+5.52

−3.19 3.56+3.47
−3.56

F10−50keV 3.50+0.19
−3.50 3.61+10.58

−∗ 3.56+5.54
−3.56

L2−10keV 6.77+8.68
−3.87 3.97+26.51

−1.71 6.47+0.42
−0.37

L10−50keV 15.58+19.96
−8.91 10.27+68.51

−4.44 16.55+1.07
−0.93

Notes. We summarise here the best-fits of joint Chandra–
NuSTAR spectra using different torus models at 0.7-50 keV,
referred in section 4.5. The statistics and degrees of freedom for
each fit are also reported. The parameters are reported as in
Table 2 if not mentioned otherwise.
(a)

8CIns1 = CFPMA/ACIS is the cross calibration constant
between NuSTAR observation of 2016 and Chandra

observation of 2012.
(b)

CIns2 = CFPMA/ACIS is the cross calibration constant
between NuSTAR observation of 2020 and Chandra

observation of 2012.
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Table A.5. Summary of best-fit solutions of XMM-Newton,
Chandra and NuSTAR data using different models for 2MASX
J20145928+2523010

Model MyTorus MyTorus borus02

Edge-on Face-on

χ2/dof 545/581 545/581 564/580

CIns1
a 1.98+0.16

−0.15 1.98+0.16
−0.15 1.98+0.15

−0.15

CIns2
b 1.32+0.08

−0.08 1.32+0.08
−0.08 1.31+0.08

−0.08

CIns3
c 1.95+0.16

−0.15 1.95+0.16
−0.15 1.94+0.14

−0.15

Γ 1.79+0.10
−0.10 1.77+0.11

−0.08 1.52+0.04
−0.05

CTor — — 1.00+∗
−0.23

θInc — — 18+∗
−∗

NH,z
d 2.02+0.17

−0.16 2.04+0.19
−0.15 2.18+0.11

−0.13

NH,S
e 11.93+3.85

−2.86 20.15+8.51
−6.33 17.63+4.05

−4.75

fs 10−2 0.68+0.40
−0.39 0.42+0.44

−∗ 1.06+0.40
−0.43

Ff
2−10keV 1.83+0.04

−0.06 1.83+0.05
−0.08 1.81+0.04

−0.09

F10−50keV 5.04+0.21
−0.45 5.07+0.46

−0.52 6.81+0.41
−0.53

L2−10keV 6.27+1.09
−0.93 5.95+1.18

−0.89 8.20+0.70
−0.64

L10−50keV 8.76+1.53
−1.31 8.52+1.69

−1.27 17.57+1.50
−1.37

Notes. We summarise here the best-fits of joint XMM-Newton ,
Chandra and NuSTAR spectra using different torus models at
0.6-50 keV, referred in Section 4.6. The statistics and degrees
of freedom for each fit are also reported. The parameters are
reported as in Table 2 if not mentioned otherwise.
(a)

CIns1 = CACIS/PN is the cross calibration constant
between Chandra observation of 2018 and XMM-Newton

observation of 2017.
(b)

CIns2 = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2017 and XMM-Newton

observation of 2017.
(c)

CIns3 = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2020 and XMM-Newton

observation of 2017.
(d)

“Line of sight” column density in 1022 cm−2.
(e)

Average column density from scattering in 1022 cm−2.
(f)

Flux between 2–10 keV in 10−12 erg cm−2 s−1.

Table A.6. Summary of best-fit solutions of XMM-Newton and
NuSTAR data using different models for ESO138-G001

Model MyTorus MyTorus borus02

Edge-on Face-on

χ2/dof 2636/1818 2566/1818 2419/1816

CIns1
a 1.15+0.04

−0.04 1.15+0.05
−0.05 1.16+0.03

−0.05

CIns2
b 1.07+0.04

−0.04 1.08+0.04
−0.04 1.09+0.03

−0.05

Γ 1.53+0.05
−0.05 1.66+0.03

−0.05 1.98+0.01
−0.03

CTor — — 0.80+0.03
−0.12

θInc — — 18+∗
−∗

NH,z 0.33+0.02
−0.02 0.34+0.01

−0.02 0.47+0.07
−0.06

NH,S 1.47+0.60
−0.49 3.00+0.37

−0.55 10.35+0.08
−0.08

Fe Kα
c 6.42+0.00

−0.01 6.42+0.00
−0.01 6.44+0.01

−0.01

Fe Kα normd 10−5 2.28+0.10
−0.11 1.91+0.11

−0.10 1.04+0.10
−0.13

fs 10−2 7.46+1.07
−0.94 8.14+0.67

−0.87 3.22+0.10
−0.24

kT 0.68+0.01
−0.01 0.68+0.01

−0.01 0.74+0.01
−0.01

Fe
2−10keV 2.25+0.04

−0.07 2.24+0.04
−0.05 2.24+0.11

−0.27

Ff
10−50keV 1.42+0.03

−0.11 1.44+0.03
−0.09 1.43+0.06

−0.09

L2−10keV
g 11.59+2.25

−1.88 12.11+0.95
−2.04 3.61+0.30

−0.94

L10−50keV
h 24.51+4.75

−3.97 20.90+1.65
−3.52 3.34+0.28

−0.87

Notes. We summarise here the best-fits of joint XMM-Newton–
NuSTAR spectra using different torus models at 0.6-50 keV,
referred in Section 4.7. The statistics and degrees of freedom for
each fit are also reported. The parameters are reported as in
Table 2 if not mentioned otherwise.
(a)

CIns1 = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2016 and XMM-Newton

observation of 2013.
(b)

CIns2 = CFPMA/PN is the cross calibration constant
between NuSTAR observation of 2020 and XMM-Newton

observation of 2013.
(c)

Energy of the Iron Kα line in keV.
(d)

Normalization of line component depicting total photons
in cm−2 s−1.

(e)

Flux between 2–10 keV in 10−12 erg cm−2 s−1.
(f)

Flux between 10–50 keV in 10−11 erg cm−2 s−1.
(g)

Intrinsic luminosity between 2–10 keV in 1041 erg s−1.
(h)

Intrinsic luminosity between 2–10 keV in 1041 erg s−1.
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Appendix B: Figures of X-Ray Spectra

Fig. B.1. Same as Figure 1, for NGC 2788A, without mekal.

Fig. B.2. Same as Figure 1, for NGC 1106.
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Fig. B.3. Same as Figure 1, for NGC 4180, without any soft X-ray points and mekal.

Fig. B.4. Same as Figure 1, for ESO406-G004.
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Fig. B.5. Same as Figure 1, for 2MASXJ20145928+2523010, without mekal.

Fig. B.6. Same as Figure 1, for ESO138-G001, with extra four Gaussian line profiles (dot).
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ABSTRACT

We present the analysis of the rest frame ultraviolet and optical spectra of 30 bright blue quasars at z ∼ 3, selected to examine the
suitability of active galactic nuclei as cosmological probes. In our previous works, based on pointed XMM–Newton observations,
we found an unexpectedly high fraction (≈ 25%) of X-ray weak quasars in the sample. The latter sources also display a flatter UV
continuum and a broader and fainter C iv profile in the archival UV data with respect to their X-ray normal counterparts. Here we
present new observations with the Large Binocular Telescope in both the zJ (covering the rest-frame '2300–3100 Å) and the KS

('4750–5350 Å) bands. We estimated black hole masses (MBH) and Eddington ratios (λEdd) from the available rest-frame optical and
UV emission lines (Hβ, Mg ii), finding that our z ∼ 3 quasars are on average highly accreting (〈λEdd〉 ' 1.2 and 〈MBH〉 ' 109.7 M�),
with no difference in λEdd or MBH between X-ray weak and X-ray normal quasars. From the zJ spectra, we derive the properties
(e.g., flux, equivalent width) of the main emission lines (Mg ii, Fe ii), finding that X-ray weak quasars display higher Fe ii/Mg ii ratios
with respect to typical quasars. Fe ii/Mg ii ratios of X-ray normal quasars are instead consistent with other estimates up to z ' 6.5,
corroborating the idea of already chemically mature broad line regions at early cosmic time. From the KS spectra, we find that all the
X-ray weak quasars present generally weaker [O iii] emission (EW<10 Å) than the normal ones. The sample as a whole, however,
abides by the known X-ray/[O iii] luminosity correlation, hence the different [O iii] properties are likely due to an intrinsically weaker
[O iii] emission in X-ray weak objects, associated to the shape of the spectral energy distribution. We interpret these results in the
framework of accretion-disc winds.

Key words. quasars: general – quasars: supermassive black holes – quasars: emission lines – galaxies: active – Accretion, accretion
discs

1. Introduction

Quasars are the most luminous persistent sources in the Universe
and, as such, they represent a class of objects of fundamental im-
portance to understand the mechanisms of production of radia-
tion and its interplay with gas and dust up to very high redshift.
Quasars belong to the high luminosity (Lbol > 1045 erg s−1) tail
of the active galactic nuclei (AGN) population and, according
to the current paradigm, their emission is powered by accretion
onto a supermassive black hole (SMBH, MBH > 106M�). The
main contribution to their broadband spectral energy distribution
(SED) comes from the optical/UV emission produced by the disc
(e.g., Salpeter 1964; Lynden-Bell 1969; Czerny & Elvis 1987)

? e-mail: bartolomeo.trefoloni@unifi.it

and X-ray emission from the so-called “corona” (e.g., Sunyaev
& Titarchuk 1980; Haardt & Maraschi 1993), where the energy
of the UV seed photons emitted by the disc is boosted via inverse
Compton scattering. The UV emission is accompanied by a shal-
low bump in the infrared (due to dust reprocessing in the torus),
whilst strong radio emission, if present, is generally linked to a
jet.

The high luminosity observed in quasars, as well as the grow-
ing number of available observations up to high redshift (e.g.,
Mortlock et al. 2011; Bañados et al. 2018), make them valuable
objects to investigate the cosmological parameters, as proposed
by our group (e.g., Risaliti & Lusso 2015) by making use of
the non-linear relation between their UV and X-ray luminosity
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(the LX − LUV or, equivalently, the αOX − LUV relation1, e.g.,
Avni & Tananbaum 1986). Such a relation was found to be in-
dependent on redshift (e.g., Vignali et al. 2003; Steffen et al.
2006; Green et al. 2009; Lusso & Risaliti 2016); yet, the inter-
play between corona and disc could in principle vary with the
bolometric luminosity (Lbol) and/or the Eddington ratio (λEdd,
defined as Lbol/LEdd where LEdd is the Eddington luminosity).
At high λEdd, for instance, the framework of geometrically thin
and optically thick disc (Shakura & Sunyaev 1973) could break
down, as the disc is expected to thicken (Abramowicz et al. 1988;
Chen & Wang 2004; Wang et al. 2014), a behaviour also shown
by simulations (Ohsuga & Mineshige 2011; Jiang et al. 2014,
2016, 2019; Sądowski et al. 2014). Moreover, perturbations to
the standard accretion process could be associated to the pres-
ence of powerful accretion-disc winds, directly driven by the nu-
clear activity (e.g., Proga 2005). A highly efficient accretion is
an ideal condition for the launch of such outflows (Zubovas &
King 2013; Nardini et al. 2015; King & Pounds 2015; Nardini
et al. 2019a), which could justify the observed relations between
the SMBH mass and the galaxy properties (e.g., the MBH −σ re-
lation; Ferrarese & Merritt 2000; Gebhardt et al. 2000; Marconi
& Hunt 2003; King 2005), although it is not yet clear whether
and how AGN-driven outflows can affect their host galaxies.

Remarkably, at high λEdd several quasar samples sharing
similar UV properties have recently shown an enhanced frac-
tion of objects (≈ 25%) whose X-ray spectra are relatively flat
(〈Γ ' 1.6〉) and underluminous (by factors of > 3 − 10) with
respect to what is expected according to the LX − LUV relation
(e.g., Luo et al. 2015; Nardini et al. 2019b; Zappacosta et al.
2020; Laurenti et al. 2022), in many cases without any clear
evidence for absorption as revealed by the spectral analysis.

A high λEdd is also conducive to a higher prominence of
the Fe ii emission line complex (e.g., Boroson & Green 1992;
Marziani et al. 2001; Zamfir et al. 2010; Shen & Ho 2014). This
feature, in turn, can be employed to investigate the chemical en-
richment of the broad line region (BLR) of quasars through the
ratio Fe ii/Mg ii up to very high redshift (z . 7). The Fe ii/Mg ii
ratio seems to correlate with λEdd and MBH, but does not show
any clear trend with the AGN luminosity (e.g., Dong et al. 2011;
Shin et al. 2019, 2021). Despite plenty of studies (e.g., Kawara
et al. 1996; Thompson et al. 1999; Iwamuro et al. 2002, 2004;
Dietrich et al. 2003; Barth et al. 2003; Freudling et al. 2003;
Maiolino et al. 2003; Tsuzuki et al. 2006; Jiang et al. 2007; Kurk
et al. 2007; Sameshima et al. 2009, 2020; De Rosa et al. 2011,
2014; Mazzucchelli et al. 2017; Shin et al. 2019), it is still un-
clear whether any evolutionary trend of this ratio exists, also
because of the large uncertainties on the measurements of this
quantity.

This paper is the third dedicated to the analysis of the spec-
tral properties of 30 luminous (Lbol > 8 × 1046 erg s−1) quasars
at redshift z = 3.0 − 3.3 (Nardini et al. 2019b, Paper I). Here,
we focus on the Mg ii λ2798 emission line probed by dedicated
observations at the Large Binocular Telescope (LBT) in the zJ
band, as well as on the Hβ–[O iii] complex for a subsample ob-
served in the KS band. Our main aim is to investigate whether
any evidence of a difference in the optical/UV properties (e.g.,
emission line strengths, continuum) exists between X-ray nor-
mal and X-ray weak quasars.

Throughout the paper we will refer to X-ray normal quasars
as the N group, and to X-ray weak and weak candidates as the
W+w group (i.e., we do not distinguish between X-ray weak,

1 αOX is defined as a function of the monochromatic flux densities at
rest-frame 2500 Å and 2 keV as αOX = 0.384 log(F2 keV/F2500 Å).

W, and weak candidates, w). For the operational definition of
X-ray normal (N), weak (W) and weak candidates (w), we refer
the interested reader to Section 2.3 of Lusso et al. (2021, Paper
II). The paper is structured as follows: the quasar sample and
the observations are described in Section 2, whilst the analysis
of UV and optical spectra is reported in Section 3. Results are
presented and discussed in Sections 4 and 5, and conclusions are
drawn in Section 6.

2. Observations and data reduction

2.1. The data set

The quasar sample analysed here consists of 30 luminous
(Lbol > 1046.9 erg s−1) quasars at z ∼ 3, for which X-ray observa-
tions were obtained through an extensive campaign performed
with XMM–Newton. This sample, selected in the optical from
the Sloan Digital Sky Survey (SDSS) Data Release 7 (Abaza-
jian et al. 2009) to be representative of the most luminous, in-
trinsically blue radio-quiet quasars, boasts by construction a re-
markable degree of homogeneity in terms of optical/UV proper-
ties. The reader can find more details on the sample selection in
the Supplementary Material of Risaliti & Lusso 2019 (see also
Lusso et al. 2020 for a more general discussion on the selection
criteria employed to define homogeneous samples of quasars in
the optical/UV). While we refer the reader interested in the X-
ray analysis to Paper I, we briefly summarize the main results
below.

About two thirds of the sample show X-ray luminosities in
agreement with what expected from the LX − LUV relation, and
an average continuum photon index of ΓX ∼ 1.85, fully consistent
with AGN at lower redshift, luminosity, and MBH (e.g., Just et al.
2007; Piconcelli et al. 2005; Bianchi et al. 2009b). Their 2–10
keV band luminosities are in the range 4.5 × 1044 ≤ L2−10 keV ≤

7.2 × 1045 erg s−1, representing one of the most X-ray luminous
samples of radio-quiet quasars ever observed. Conversely, one
third of the sources are found to be underluminous by a factor
>∼ 3–10. X-ray absorption at the source redshift is not statistically
required in general by the fits of the X-ray spectra and, despite
the poor quality of the data in a handful of cases that does not
allow us to definitely exclude some absorption, column densities
NH(z) > 3 × 1022 cm−2 can be confidently ruled out.

In Paper II, we analysed the C iv λ1549 emission line prop-
erties (e.g., equivalent width, EW; line peak velocity, υpeak) and
UV continuum slope as a function of the X-ray photon index and
2–10 keV flux. In summary, we found that the composite spec-
trum of X-ray weak quasars is flatter (αλ ∼ −0.6) than the one
of X-ray normal quasars (αλ ∼ −1.5). The C iv emission line is
on average fainter in the X-ray weak sample, but only a modest
blueshift (600–800 km s−1) is reported for the C iv lines of both
stacks. This emission feature is found to be broader in the W+w
stacked spectrum (FWHM' 10,000 km s−1) than in the N one
(' 7,000 km s−1), but in agreement with previous results on the
topic at similar redshifts (e.g., Shen et al. 2011; Richards et al.
2002) and luminosities (e.g., Vietri et al. 2018). When we added
the sample from Timlin et al. (2020, filtered out according to
our selection criteria) in order to expand the dynamical range of
the parameters of interest, we were able to confirm the statisti-
cally significant trends of C iv υpeak and EW with UV luminos-
ity at 2500 Å for both X-ray weak and X-ray normal quasars,
as well as the correlation between X-ray weakness and the EW
of C iv. Yet, we did not observe any clear relation between the
2–10 keV luminosity and υpeak. We found a statistically signifi-
cant correlation between the hard X-ray flux and the integrated
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C iv flux for X-ray normal quasars, which extends across more
than three (two) decades in C iv (X-ray) luminosity, whilst X-ray
weak quasars deviate from the main trend by more than 0.5 dex.

To interpret these results, we argued that X-ray weakness
might arise in a starved X-ray corona picture, possibly associated
with an ongoing disc-wind phase. If the wind is ejected in the
vicinity of the black hole, the accretion rate across the final grav-
itational radii will diminish, so depriving a compact, centrally-
confined corona of seed UV photons and resulting in an X-ray
weak quasar. Yet, at the largest UV luminosities (> 1047 erg s−1),
there will still be sufficient ionising photons that can explain the
‘excess’ C iv emission observed in the X-ray weak quasars with
respect to normal sources of similar X-ray luminosities (see Fig.
14 in Paper II).

2.2. LUCI/LBT observations

Besides the effects on the C iv emission line, we are interested
in assessing whether the dearth of X-ray photons could affect
other emission lines, such as the [O iii] λλ4959, 5007Å doublet,
whose production needs at least ' 35 eV (' 354 Å) photons, and
the Hβ. Moreover, wavelengths longer than 2200 Å, not covered
by the SDSS spectra in this redshift interval, are key to deter-
mine the continuum fluxes at rest-frame 2500 Å and to inspect
the UV Fe ii and Fe iii emission often included among the char-
acteristic parameters of X-ray weak quasars (e.g., Leighly et al.
2007a; Marziani & Sulentic 2014; Luo et al. 2015). Therefore,
observations of this spectral interval are important for several
reasons. For instance, the analysis of the Mg ii emission line pro-
vides generally more reliable estimates of BH masses than the
C iv-based ones, to test whether any systematic difference be-
tween the BH masses and Eddington ratios of the X-ray weak
and normal quasars is present. Additionally, we can estimate the
Fe ii/Mg ii ratio in our sample, which represents a proxy of the
gas metallicity at redshift z ∼ 3.

To investigate these issues, our group has been awarded ob-
serving time with the two LBT Utility Cameras in the Infrared
(LUCI1 and LUCI2, Ageorges et al. 2010) at the 8.4-m Large
Binocular Telescope (LBT) located on Mount Graham (Ari-
zona), to carry out near-infrared spectroscopy of the z ∼ 3
quasars in the zJ and KS bands. LUCI observations were per-
formed between November 2018 and April 2021 with the zJ fil-
ter coupled with the grism G200 and the KS filter coupled with
the grism G150, covering an observed range of 0.9–1.2 µm and
1.95–2.40 µm, respectively. A slit width of 1′′ was employed,
providing a spectral resolution R = 1050–1200 in zJ and 2075
in KS. The journal of the observations is shown in Table 1 and
in Table 2, where we list the seeing measured during the ob-
servations and the average signal-to-noise (S/N) in the observed
wavelength ranges 1.05–1.10 µm and 2.04–2.20 µm of the final
flux-calibrated spectra.

Observations in the zJ band were performed for all the
quasars but one (J1507+2419), which was too faint to be ob-
served with an exposure time comparable with the rest of the
sample. Regarding the KS observations, a further constraint on
the redshift (z = 3.19−3.29) within the sample is dictated by the
requirement that the [O iii] emission line falls in a wavelength
range (2.10−2.15 µm) with good atmospheric transmission. This
condition allowed us to observe only 9 targets, for which the KS
spectroscopic data2 were acquired from November 2018 to April
2019 with seeing around 0.7′′ − 1.0′′.

2 KS observations were performed with LUCI1 only.

The 2D raw spectra were reduced by the LBT Spectro-
scopic Reduction Center at INAF – IASF Milano, with a re-
duction pipeline optimised for LBT data (Scodeggio et al. 2005;
Gargiulo et al. 2022) performing the following steps. For each
source, calibration frames are created for both LUCI1 and
LUCI2. Imaging flats and darks are used to create a bad pixel
map, applied to every single observed frame, along with a cor-
rection for cosmic rays. Dark and flat-field corrections are ap-
plied independently to each observed frame through a master
dark and a master flat, obtained from a set of darks and spec-
troscopic flats. A master lamp describes the inverse solution of
the dispersion to be applied to individual frames to calibrate
in wavelength and remove any curvature due to optical distor-
tions. The mean accuracy achieved for the wavelength calibra-
tion is 0.26 Å in the KS band and 0.22 Å (0.25 Å) for LUCI1
(LUCI2) in the zJ band. The 2D wavelength-calibrated spec-
tra are then sky-subtracted following the method described in
Davies (2007). The flux calibration is then applied to the 2D
spectra through the sensitivity function, obtained from the spec-
trum of a star observed close in time and air-mass to the scientific
target. Finally, wavelength- and flux-calibrated, sky-subtracted
spectra are stacked together and the 1D spectrum of the source
is extracted. We checked the zJ (KS) flux calibration by con-
volving each spectrum with the 2MASS J (KS) filter to com-
pute its J (KS) band Vega magnitude, and then corrected to
match to observed value reported by SDSS DR16v4 (Ahumada
et al. 2020). The uncertainty on the flux calibrated spectrum was
estimated as the squared sum of a statistic term given by the
mean rms of left and right telescopes and a calibration factor
∆m/m = (mLBT − m2MASS)/m2MASS.

There is no overlapping region between the LBT zJ spectra
and the SDSS ones, leaving a small gap in between. Since the
two segments of each spectrum were not collected simultane-
ously, part of the observed flux gap can be due to some intrinsic
variation of the emission, but we expect this contribution to be
rather small since more luminous quasars tend to be less vari-
able in time (e.g., Uomoto et al. 1976; Cristiani et al. 1995; Wil-
hite et al. 2008). Systematics in the flux calibration could also
be involved, but in principle their contribution should be small
since SDSS spectrophotometric calibration is accurate to 4% rms
for point sources (Adelman-McCarthy 2008). LBT recalibration
factors in flux with respect to the 2MASS J (KS) filter are in the
range 0.6 − 1.9 (0.4 − 1.7) with a mean value of 1.02 (0.93).

3. Analysis

3.1. Fitting procedure

The spectral fits of both the zJ and KS data were performed
through a custom-made code, based on the IDL MPFIT pack-
age (Markwardt 2009), which takes advantage of the Levenberg-
Marquardt technique (Moré 1978) to solve the least-squares
problem.

The region roughly between 2400 Å and 3200 Å correspond-
ing to the rest frame of the zJ spectra is mainly characterised
by Fe ii and Fe iii emission lines (which blend in a pseudo-
continuum), the Balmer continuum, and the Mg ii 2798 Å emis-
sion line. In this region there are only two small continuum win-
dows between 2650–2670 Å and 3030–3070 Å (Mejía-Restrepo
et al. 2016), but the former was often included in the atmospheric
absorption band which affects the range ∼1.11–1.16 µm in the
observed frame. This, together with the lack of other bright emis-
sion lines and/or other continuum windows, led to the problem
of having only one narrow interval to anchor the power-law con-
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Table 1: Log of the LUCI/LBT zJ observations.

Name Obs. Datea texp
b S/Nc Seeingd Instr.e

J0301−0035 2019 Sep 28 1320 49 1.0 LUCI1
J0304−0008 2019 Sep 28 1680 43 1.0 LUCI1
J0826+3148 2019 Oct 17 1920 28 1.0 LUCI1
J0835+2122 2019 Oct 17 1680 35 1.1 LUCI1
J0900+4215 2020 Feb 02 480 22 1.2 LUCI2
J0901+3549 2020 Feb 02 1200 24 0.8 LUCI2
J0905+3057 2020 Feb 03 1680 27 1.1 LUCI2
J0942+0422 2020 Nov 12 960 24 1.2 LUCI1+LUCI2
J0945+2305 2020 Dec 26 6000 37 1.0 LUCI1+LUCI2
J0947+1421 2020 Dec 26 840 33 0.9 LUCI1+LUCI2
J1014+4300 2020 Dec 26 720 46 0.8 LUCI1+LUCI2
J1027+3543 2020 Dec 26 840 17 0.8 LUCI1+LUCI2
J1111−1505 2021 Apr 02 2700 26 0.9 LUCI1+LUCI2
J1111+2437 2021 Jan 09 3360 33 1.4 LUCI1+LUCI2
J1143+3452 2021 Jan 12 2160 33 1.0 LUCI1+LUCI2
J1148+2313 2021 Jan 17 1440 23 0.8 LUCI1+LUCI2
J1159+3134 2021 Jan 17 1800 18 0.9 LUCI1+LUCI2
J1201+0116 2021 Apr 02 960 35 0.9 LUCI1+LUCI2
J1220+4549 2021 Jan 31 1500 35 0.8 LUCI1+LUCI2
J1225+4831 2021 Feb 01 1920 18 0.7 LUCI1+LUCI2
J1246+2625 2020 Jun 23 1200 25 0.7 LUCI2
J1246+1113 2020 Jun 23 2400 15 0.8 LUCI2
J1407+6454 2020 Jun 23 1080 30 0.8 LUCI2
J1425+5406 2020 Jun 26 1050 29 0.9 LUCI2
J1426+6025 2020 Jun 27 300 15 0.8 LUCI2
J1459+0024 2020 Jun 27 1650 12 0.9 LUCI2
J1532+3700 2020 Jun 26 900 21 0.9 LUCI2
J1712+5755 2019 Oct 19 960 12 1.1 LUCI1
J2234+0000 2019 Sep 28 1350 16 0.9 LUCI1+LUCI2

Notes. (a) Observation Date. (b) Total exposure. (c) Signal-to-noise ratio in the observed wavelength range 1.05–1.10 µm. (d) Average seeing of the
observation in arcseconds. (e) LUCI camera used for the observation.

Table 2: Log of the LUCI1/LBT KS observations.

Name Obs. Datea texp
b S/Nc Seeingd

J0303−0023 2018 Nov 06 2400 25 0.9
J0304−0008 2018 Nov 07 2420 15 1.0
J0945+2305 2018 Nov 08–09 4960 18 0.7
J0942+0422 2018 Nov 11 1650 38 1.0
J1220+4549 2019 Jan 26 2875 10 1.0
J1111+2437 2019 Jan 26 2645 21 1.0
J1201+0116 2019 Jan 28 800 29 1.7
J1425+5406 2019 Feb 28 2415 42 0.8
J1426+6025 2019 Apr 27 600 51 1.0

Notes. (a) Observation Date. (b) Total exposure. (c) Signal-to-noise ratio in the observed wavelength range 2.04–2.20 µm. (d) Average seeing of the
observation in arcseconds.

tinuum, thus leading to a degeneracy between the slope of the
power law and the strength of iron emission.

In order to break this degeneracy, we followed a similar ap-
proach to the one described in Vietri et al. (2018). Thus, we
adopted the same value of the continuum power-law slope as
the one derived from the SDSS spectra in Paper II for each
source. In the six cases where multiple SDSS observations were
available (J0303–0023, J0303–0008, J111–1505, J1159+3134,
J1407+6454, J1459+0024), we assumed the average of the in-
dividual best-fit spectral indices. We then accounted for the re-
maining emission with the required number of Fe ii templates, as
produced by different synthetic photoionization models through

the CLOUDY simulation code (Ferland et al. 2013), and con-
volved with different Gaussian profiles with a velocity dispersion
of up to 7,000 km s−1. Broad (FWHM> 1,000 km s−1) Gaussian
components were added in some cases, to provide a more faithful
description of the iron profile. This procedure gave satisfactory
results for most of the spectra (see appendix A). Furthermore, in
Appendix C we checked the reliability of fixing the power-law
slope in order to match the one of the continuum underlying the
C iv line and the continuum windows at bluer wavelengths, and
we compared our way of estimating the strength of Fe ii with
archival data.
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The model adopted to fit the KS spectra included a multi-
Gaussian (one broad, one or two narrow) deconvolution for the
emission lines (i.e., Hβ λ4861 and [O iii] λλ4959, 5007), and
Fe ii templates to account for the optical iron emission. The ra-
tio between the core [O iii] λ4959 and λ5007 components was
fixed to be equal to 1/3, and a blue component for both [O iii]
lines was also included to account for possible outflows from
the narrow line region (NLR). Examples of the fits performed on
typical LBT zJ and KS band spectra are shown, respectively, in
Fig. 1 and Fig. 2.
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Fig. 1: Top panel: spectrum (black), global model (red) and
model components of a typical LBT zJ fit (J0942+0422). The
continuum power law is shown in blue, the Mg ii line in magenta,
the iron pseudo-continuum in dark grey. The shaded light grey
band corresponds to the observed-frame atmospheric absorption
window at 1.11–1.16 µm and was not included in the fit. Bottom
panel: global model residuals (green).
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Å
−

1
)

Fig. 2: Top panel: spectrum (black), global model (red) and
model components of a typical LBT KS fit (J0942+0422). The
continuum power law is shown in blue, the broad and narrow Hβ
in magenta and turquoise, the [O iii] doublet in orange and violet,
the iron pseudo-continuum in dark grey. The shaded light grey
band is affected by poor atmospheric transmission and was not
included in the fit. Bottom panel: global model residuals (green).

3.2. Composite spectra

To build the composite LBT spectra for the X-ray weak and X-
ray normal quasars, we followed a similar procedure to the one
described in Lusso et al. (2015). For the sake of consistency with
the assumptions made in Paper II, we excluded from the stack

the radio-bright (J0900+4215), the two BAL (J0945+2305,
J1148+2313), and the reddest (J1459+0024) quasars. As the lat-
ter three are X-ray weak, we want to avoid an enhanced flatness
of the resulting composite spectrum as a result of their BAL/red
nature. This further selection brought the X-ray weak group of
LBT zJ (KS) spectra down to 7 (4) objects. In particular, to build
the composite spectra:

1. We corrected the quasar flux density3 fλ for Galactic red-
dening by adopting the E(B − V) estimates from Schlegel
et al. (1998) and the Galactic extinction curve from Fitz-
patrick (1999) with RV = 3.1.

2. We generated a rest-frame wavelength array with fixed dis-
persion for the zJ (KS) spectra with ∆λ equal to 2.25 Å (2.39
Å), roughly corresponding to the resolution at the central
wavelength of the observed spectra (R=1125 at 1.05 µm and
R=2075 at 2.105 µm, respectively, for zJ and KS), shifted to
the rest frame according to the mean quasar redshift.

3. Each quasar spectrum was then shifted to the rest frame and
linearly interpolated over the rest-frame wavelength array
with fixed dispersion ∆λ, while conserving its flux.

4. We normalized every spectrum by their integrated flux over
the wavelength ranges 2400–3100 Å (zJ) and 4800–5300 Å
(KS), which are covered by all the spectra.

5. In each spectral channel we extracted the median value of the
normalized fluxes. The uncertainty on the median flux in a
spectral channel was estimated as the 95% semi-interquartile
range of the fluxes divided by the square root of the number
of spectra in that channel.

The spectral stacks obtained with the procedure described
above are shown in Figures 3 and 4 for the zJ and the KS data,
respectively. As a reference, we also overplot the average quasar
spectrum from Vanden Berk et al. (2001), which is built from
2204 SDSS spectra spanning a redshift range 0.044 ≤ z ≤ 4.789.
If we extrapolate the slope of the continuum found in Paper II to
the wavelengths covered by the LBT spectra, the flatter contin-
uum in the X-ray weak composite hints at a larger EW of Fe ii
compounds, as suggested also by the analysis of the individ-
ual sources. We will further discuss this point in Section 4. De-
spite the emission line differences, both composites are in broad
agreement with the reference one, thus implying no strong evo-
lution of the general spectral properties of the z ∼ 3 sample with
respect to AGN at other redshifts.

3.3. Black-hole masses and Eddington ratios

We computed single-epoch BH masses from the available emis-
sion lines with known reliable virial relations for each object. In
the SDSS spectra, the C iv λ1549 line is available for the whole
sample, whereas the Mg ii λ2798 line, present in all the LBT
zJ spectra, in 18/29 cases is fully or marginally hidden by at-
mospheric absorption, hindering a reliable determination of its
FWHM. Hβ was used for the 9 objects of the LBT KS subsam-
ple. It is well-known that BH masses from different lines have a
different reliability: Hβ-based masses are generally regarded as
the benchmark (see for instance Denney 2012; Shen 2013; Dalla
Bontà et al. 2020), but in this case they are only available for
a minority of sources. Mg ii-based masses are consistent, within
their non-negligible systematic uncertainty (∼0.3 dex; Shen et al.
2011), with the Hβ ones. On the other hand, while C iv-based

3 In the following, we will use the word “flux” to mean the flux density,
i.e., flux per unit wavelength, unless specified otherwise.
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Fig. 3: Top panel: median LBT zJ spectra for the X-ray nor-
mal (N, in blue) and the X-ray weak (W+w, in red) subsamples.
The gold spectrum is the average quasar spectrum from Vanden
Berk et al. (2001). Fluxes are normalized by their value at 3000
Å. The continuum power laws are the extrapolation of the ones
found at UV wavelengths (i.e., SDSS). Middle panel: number of
spectra contributing to each spectral channel, according to the
same colour code. Bottom panel: ratio between the N spectrum
and the W+w one.
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Fig. 4: Top panel: median LBT KS spectra for the X-ray normal
and the X-ray weak subsamples. The color code is the same as in
Figure 3. Fluxes are normalized by their value at 5100 Å. Middle
panel: number of spectra contributing to each spectral channel,
according to the same colour code. Bottom panel: ratio between
the N spectrum and the W+w one.

masses only provide a very rough estimate of the mass of the
black hole powering the AGN, this emission feature is present
for every object of the sample, and in 18/29 objects this is the
only available tool to estimate the BH mass. The inclusion of
C iv-based BH masses comes with two caveats. First, the C iv
emission line centroid can shows blueshifts up to about 10,000
km s−1 with respect to the systemic redshift, suggesting the pres-
ence of an outflowing phase (Baskin & Laor 2005; Richards
et al. 2006), not compatible with the virial assumption under
which BH masses are estimated. This can cause an overestimate
of the BH mass by up to an order of magnitude (e.g., Kratzer
& Richards 2015). Secondly, C iv calibrations should be consid-
ered with caution since they are affected by significant scatter
due to different systematics, and allow us to derive BH masses
only at the price of large uncertainties, & 0.4 dex (Shen et al.
2011; Shen & Liu 2012; Rakshit et al. 2020; Wu & Shen 2022).
To mitigate these issues, BH masses based on the C iv FWHM
were estimated by adopting the corrections described in Coat-

man et al. (2017), suitable for objects with a blueshifted C iv
emission. We employed the offset velocities reported in Paper
II to perform the correction of the FWHM and subsequently of
MBH for objects whose blueshifts are positive, whereas the cor-
rection factors were set to unity otherwise (3/29 objects), since
the authors themselves cautioned against the use of their correc-
tion in case of negative blueshift (i.e., redshift) of the C iv line
centroid.

We estimated single-epoch masses based on the continuum
luminosity (λLλ) evaluated close to the considered emission line
and its FWHM through the following expression:

log
(

MBH

M�

)
= A + B log

(
λLλ

1044erg s−1

)
+ 2 log

(
FWHM
km s−1

)
, (1)

where the A and B coefficients have been calibrated by different
authors for each line as:

(A, B) =


(0.71, 0.53) C iv 1549 Å Coatman et al. (2017)
(0.74, 0.62) Mg ii 2798 Å Shen et al. (2011)
(0.70, 0.50) Hβ Bongiorno et al. (2014).

(2)

The wavelengths 1350 Å, 3000 Å, and 5100 Å have been
adopted to estimate the continuum luminosity for the C iv, Mg ii,
and Hβ emission lines, respectively. The data availability from
the UV to the visible for 9 objects allowed us to verify the reli-
ability of the calibrations by comparing pairs of BH mass esti-
mates. SMBH masses from the C iv line were compared to the
ones already estimated in Wu & Shen (2022). To this purpose,
we computed the distribution of the differences ∆ log(MBH) =
log(MBH,CIV) − log(MBH,SDSS). The mean value and the stan-
dard deviation of this distribution are 〈∆ log(MBH)〉 = −0.05 and
σ∆ log(MBH) = 0.3. The minor offset of the distribution could be
due to the prescription for the evaluation of the BH mass (in Wu
& Shen 2022 the authors adopted the calibration from Vester-
gaard & Peterson 2006) and/or to the fitting procedure, but in
general we do not find strong outliers.

For all the objects whose spectra included the Hβ emission
line, also the Mg ii λ2798 line and the 3000 Å luminosity were
available, therefore it was possible to provide an additional esti-
mate of the BH masses and compare them with the Hβ-based
ones. C iv- and Mg ii-based BH masses against Hβ-based are
shown in Figure 5. The uncertainty is dominated by the system-
atic term (0.4 dex for C iv and 0.3 dex for Mg ii and Hβ-based
masses), being the statistical uncertainty on the BH masses on
average 17% for the C iv, 5% for the Hβ, and 2% for the Mg ii
estimates. The fiducial mass for each object was derived as a
weighted mean, using as weight the total uncertainty on each
mass estimate, given by the square root of the squared sum of
the systematic term and the statistical one. BH masses are listed
in Table A1 together with the best-fit line and continuum param-
eters.

Eddington ratios (λEdd = Lbol/LEdd) were calculated by as-
suming the standard definition of LEdd = 1.26 × 1038 (MBH/M�)
erg s−1. The Lbol value was computed for each object as stated
in Paper I, by employing the 1350 Å monochromatic luminosity
available from SDSS photometry and the bolometric correction
of Richards et al. (2006). Considering the uncertainties on the
BH masses, as well as the ones on the bolometric conversion
factors, which in the case of the 1350 Å luminosity can be up to
50% (Richards et al. 2006), we can only give crude estimates of
the Eddington ratios. We found that, on average, our sources are
close to the Eddington limit, with a median λEdd of 0.9, which is
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Fig. 5: Single-epoch MBH comparison. The estimates based on
C iv λ1549 (magenta pentagons) and Mg ii λ2798 (cyan crosses)
are shown against the broad Hβ λ4861 ones. The typical system-
atic uncertainty of the calibrations is shown in the top left corner
with the same colour code, while the dashed black line repre-
sents the 1:1 relation. Dotted lines join BH mass estimates for
the same object according to different emission lines. The Hβ
BH mass for J1111+2437 is denoted as an upper limit since the
line profile is not well defined (see Appendix E for details).

expected given the very high luminosities observed in the z ∼ 3
sample.

4. Results

4.1. Mg ii and Fe ii emission

Intense Fe ii emission and high Fe ii/Mg ii ratios are typically ob-
served for X-ray weak sources (e.g., PHL 1811, Leighly et al.
2007a). We thus estimated the rest-frame equivalent width for
both the Mg ii line and the Fe ii emission complex to assess
whether possible differences arise between the X-ray weak and
X-ray normal quasars in our sample. However, the significance4

of any difference between the two samples is limited by the small
statistics (18 N vs. 10 W+w objects – excluding the radio bright
J0900+4215 – in the LBT zJ, and 4 N vs. 5 W+w objects in the
LBT KS spectral samples).

We found that the mean value of EW Mg ii with the stan-
dard error of the mean for the N group is 〈EW Mg ii〉N=59±9
Å, while 〈EW Mg ii〉W+w=66±13 Å for the W+w group, without
any statistically significant difference between the two samples.
However, potential differences could be diluted by the blend of
Mg ii with the Fe emission. In this analysis, we considered all
the Mg ii lines for which the full profile was available, including
the BAL J0945+2305 (the other BAL and the reddest object did

4 Throughout this work, the significance is reported as mσ with m =

| < xN > − < xW+w > |/
√
σ2

xN
/nN + σ2

xW+w
/nW+w, where < xi > is the

mean value, σi the standard deviation, and ni the size of the i-th sample.

not show an analysable Mg ii profile). However, the results do
not change if we exclude the latter source.

The mean EW Fe ii of the N sample is 〈EW Fe ii 〉N=292±40
Å, which is somewhat smaller than the value obtained for the
W+w sample, 〈EW Fe ii〉W+w=469±70 Å. The difference is statis-
tically significant at the 2.2σ level, and a Kolmogorov-Smirnov
(KS) test provides a p-value=0.017, implying that the two distri-
butions are indeed different at the 98.3% level. In the estimate of
Fe ii mean values we neglected the source J1225+4831, whose
power-law continuum, as extrapolated from the SDSS spectrum,
is significantly steeper than the one required to adequately fit the
Mg ii emission line (see appendix E for details). Even attempting
a free-slope fit, there is a very faint Fe ii contribution.

Both EW Fe ii and EW Mg ii were estimated by normalis-
ing the integrated flux of the line by the continuum flux at
3000 Å, as generally done for such ratios (e.g., Sameshima
et al. 2020). The ratio between the equivalent widths of
Fe ii and Mg ii shows, on average, a higher value for the
W+w sample, 〈Fe ii/Mg ii〉W+w=8.4±1.4, than for the N one,
〈Fe ii/Mg ii〉N=4.4±0.5.

Figure 6 shows the ∆αOX (the difference between the ob-
served αOX and that predicted from the αOX − LUV relation for
objects within the same redshift interval of our sample),5 an in-
dex of X-ray weakness, as a function of the Fe ii/Mg ii ratio. On
average, the Fe ii/Mg ii ratio is higher in X-ray weak quasars with
respect to X-ray normal ones. We also added EW C iv in colour
code to compare this trend with the modest decrease of C iv with
increasing X-ray weakness observed in Paper II. We assessed
this trend by means of a Spearman’s rank test, which yielded a
correlation index of rS = −0.7. A possible origin for such a trend
is discussed in Sec. 5, in terms of increased Fe iiUV emission in
X-ray weak quasars associated with outflow-induced shocks and
turbulence. The statistical uncertainty on the Fe ii/Mg ii ratio was
estimated by fitting 100 mock spectra for each source: the flux in
every spectral channel was created by adding a random value to
the actual flux, extracted from a Gaussian distribution whose am-
plitude was set by the uncertainty value in that spectral channel.
After fitting every mock sample, we computed the distribution
of the Fe ii/Mg ii values, and set the uncertainty as the standard
deviation of the distribution, after applying a 3σ clipping.

In Figure 7 we show the estimates of Fe ii/Mg ii for our sam-
ple of 10 quasars where the Mg ii line was observed (excluding
J0900+4215, which is flagged as radio-bright), in comparison
with other literature samples probing different redshift intervals
(Dietrich et al. 2003; Maiolino et al. 2003; De Rosa et al. 2011;
Mazzucchelli et al. 2017; Shin et al. 2019; Sameshima et al.
2020). We found that, on average, there is no clear trend for an
evolution in the Fe ii/Mg ii ratio across cosmic time, which im-
plies already chemically enriched BLR regions at high redshift.
To verify quantitatively this trend, we performed a Spearman’s
rank order probability test by using the X-ray normal quasars
only together with the other samples, in order to avoid any pos-
sible bias introduced by the boosted Fe ii/Mg ii ratios of X-ray
weak sources. We then performed a linear fit of all the data sets
together with emcee (Foreman-Mackey et al. 2013). The Spear-
man’s test yielded a correlation coefficient of −0.26, revealing a
mild trend of decreasing Fe ii/Mg ii ratio with redshift. The fit of
the Fe ii/Mg ii−z relation then provides evidence for a flat slope,
confirming a non-significant evolution of this ratio across cosmic
time. Although the highest redshift sample from Mazzucchelli
et al. (2017) exhibits systematically lower values than the ones

5 For a more detailed discussion about how the values of ∆αOX are
evaluated, we refer to Section 2.3 of Paper II, and references therein.
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Fig. 6: ∆αOX – (Fe ii/Mg ii) plane for our N (stars) and W +w (tri-
angles) sources. The radio–loud quasar J0900+4215 is marked
as a circle. We observe an increasing trend of the Fe ii/Mg ii ra-
tio with increasing X-ray weakness. In colour code, the EW C iv
value is reported to compare the newly observed properties of
the Mg ii region with the relative weakness of the C iv emission.

at lower redshift, the same authors note that the uncertainties are
so large that the consistency with a non-evolving Fe ii/Mg ii ra-
tio cannot be ruled out. Indeed, if we exclude this sample from
the regression analysis, we find an even lower correlation coef-
ficient (0.002), and again a slope virtually consistent with zero
(m = 0.01 ± 0.01). However, it is possible that, at very high red-
shift (z & 6), we might be observing a genuine depletion of iron,
symptomatic of the presence of young stellar populations in the
galaxies hosting these quasars.

Our results further confirm the interpretation that samples at
high redshifts, biased towards high luminosities (i.e., Lbol > 1046

erg s−1), presumably host SMBHs in already chemically-mature
galaxies (e.g., Kawakatu et al. 2003; Juarez et al. 2009). Indeed,
the values of their Fe ii/Mg ii ratios are consistent with the ones
at lower redshifts. Possible systematic effects and a consistency
check on our ability to reproduce the iron emission in our objects
are discussed in Appendix C.

A strong correlation between the Fe ii/Mg ii ratio and the
Eddington ratio has been observed, but not with the BH mass
(Sameshima et al. 2017, see also Dong et al. 2011). Since the
N and the W+w samples are fairly homogeneous in terms of BH
masses and Eddington ratios (see Sec. 5), it is unlikely that one of
these parameters is the fundamental driver of the observed differ-
ence. Theoretical works using cloudy simulations showed that
several physical properties can impact the Fe ii/Mg ii ratio, such
as gas density and microturbulence (Verner et al. 2003; Baldwin
et al. 2004; Sameshima et al. 2017; Temple et al. 2020). We will
perform a detailed photoionization modelling of the SDSS and
LBT data in a dedicated publication.

4.2. Hβ properties

The 9 rest-frame optical spectra enabled us to investigate the
properties of the Hβ–[O iii] complex. We found that, on average,
X-ray weak sources display a weaker Hβ emission than X-ray
normal ones. The mean value of the EW for the W+w group is
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Fig. 7: Log(Fe ii/Mg ii) – z plane. N sources (blue stars) follow
the expectations for objects at similar redshift, whereas W+w
sources (red triangles) are located at the top of the distribu-
tion around z ∼ 3. The black dashed line represents the mean
F ii/Mg ii ratio of our N quasars extrapolated over the entire red-
shift range.

〈EW Hβ〉W+w= 73±8 Å, whereas it is 〈EW Hβ〉N= 108±11 Å for
the W+w sample, a difference statistically significant at the 2.6σ
level.

In order to assess whether the Fe emission of X-ray weak
sources is enhanced also in the optical band, we checked the
Fe ii/Hβ ratio, which is a standard optical indicator of the metal-
licity, generally evaluated as the intensity ratio between the in-
tegrated flux of Fe ii between 4434 Å and 4684 Å and the Hβ
one (e.g., Boroson & Green 1992; Marziani & Sulentic 2014).
The relative intensities of the optical Fe emission are statistically
consistent, as we found that the average equivalent width of the
optical Fe ii of the N sample is 〈EW Fe iiopt〉N=16±6 Å, whereas
the W+w sample yielded 〈EW Fe iiopt〉W+w= 24±9 Å. The ratio is
〈Fe iiopt/Hβ〉N=0.14±0.06 for the N sources, while the W+w ones
give 〈Fe iiopt/Hβ〉W+w=0.36±0.13, therefore the mild difference
between the Fe ii/Hβ ratios is just mimicking the difference be-
tween the Hβ profiles of the two samples. Yet, we caution that
the 4434–4684 Å interval over which the optical Fe ii is generally
sampled in the literature is not included in our spectra, and we
thus had to rely on a full extrapolation for this estimator. For this
reason, we also checked whether any difference could be found
in the observed region using the equivalent width of the Fe iiopt

emission between 4900 Å and 5300 Å, which we directly ob-
served and included in our fits. Also in this case, the difference
remains marginal as the N and W+w groups respectively yield
〈Fe iiopt/Hβ〉N=0.31±0.07 and 〈Fe iiopt/Hβ〉W+w=0.72±0.32.

The ratio between UV and optical Fe ii emission is larger
for X-ray weak sources, being 〈Fe iiUV/Fe iiopt〉N=13±4 and
〈Fe iiUV/Fe iiopt〉W+w=26±9, in line with the expectations of
higher ratios of UV to optical Fe ii emission for increasingly
weaker SEDs in the extreme UV (EUV), as shown in Leighly
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et al. (2007a). We note, however, that our results are not directly
comparable with the ones in the third panel of Fig. 24 in Leighly
et al. (2007a), since the Fe ii emission is evaluated on a much
shorter interval (4900–5300 Å) than the one therein (4000–6000
Å).

4.3. [O iii] properties

In the context of the unified model, the [O iii] is produced in the
NLR, on galactic scales, and it is believed to be an isotropic in-
dicator of the AGN strength in both type I and type II AGN (e.g.,
Mulchaey et al. 1994; Bassani et al. 1999; Netzer 2009, and ref-
erences therein). The [O iii] luminosity (L[O iii]) is a secondary
indicator of the nuclear luminosity, depending on the fraction of
continuum radiation within the opening angle of the torus reach-
ing the gas in the NLR, but is also influenced by local properties
such as the NLR clumpiness, its covering factor, and the amount
of dust extinction (e.g., Ueda et al. 2015).

The EW [O iii] value can be considered as a proxy of the in-
clination of our line of sight to the AGN accretion disc (e.g.,
Risaliti et al. 2011; Shen & Ho 2014). Bisogni et al. (2017)
investigated in detail the distribution of EW [O iii] in the SDSS
DR7, showing that EW [O iii] > 30 Å generally corresponds to
high inclination angles, while lower values reflect the intrinsic
EW [O iii] distribution. Only one of our objects (J0303−0008)
displays an EW [O iii] in excess of 30 Å, thus possibly being
observed at relatively large inclination (yet still likely within
θ . 60◦, see Sec. 5). The mean (median) value of EW [O iii]
in our sample is 14.4±7.6 (3.7) Å, or 6.6±2.3 Å after exclud-
ing the strong [O iii] emitter, consistent with the median value of
the EW [O iii] distribution from the current SDSS release (Wu &
Shen 2022), which is 14.1 Å, and well below the 30 Å threshold
where inclination effects should become relevant.

With the aim of putting our sample into a broader context,
we compared the results concerning the [O iii] emission with
other samples of luminous high-redshift quasars in the litera-
ture. The sample analyzed in Vietri et al. (2018), part of the
WISSH survey, exhibits extremely weak [O iii] profiles, with a
median value of 1.5 Å. The 19 AGN at z ∼ 2 from the SU-
PER sample described in Kakkad et al. (2020) yield, instead, a
median value of 14.2 Å, although these sources span a wide in-
terval in terms of bolometric luminosity (1045.4–1047.9 erg s−1).
When matching the SUPER sample in luminosity with our own
quasars (i.e., considering only the objects with Lbol exceeding
1046.9 erg s−1), the median value of EW [O iii] decreases slightly
to 11.6 Å.6 Lastly, the median EW [O iii] for the GNIRS–DQS
quasars (Matthews et al. 2023), equals 12.7 Å, noting that for this
sample ∼ 15% of the sources have an unreliable EW measure-
ments because of the weak [O iii] profile. Although the cumula-
tive EW [O iii] distribution of these luminous high-redshift sam-
ples clusters around the same peak of the global SDSS quasar
distribution (Wu & Shen 2022), objects with high equivalent
width become relatively rarer, as shown in the right side panel in
Fig. 8. For instance, the fraction of objects with EW [O iii]> 50
Å in the SDSS catalogue is ∼10%, while the joint incidence in
all the mentioned high-redshift samples is about 2%, although

6 We also note that for the SUPER sample EW [O iii] is not directly
reported by the authors, so it was estimated here as L[O iii]/L5100 Å. This
normalization could produce a slightly overestimated EW [O iii] in case
of a steeply decreasing optical continuum. However, by assuming an
average continuum slope αλ = −0.42 from Vanden Berk et al. (2001),
normalizing at 5100 Å rather than at 5007 Å has a negligible effect on
EW [O iii].

some systematic effects could marginally modify this estimate
given the non-uniform analysis (e.g., continuum fitting windows,
different Fe templates) of the different samples.

The weaker [O iii] profiles in very luminous quasars with re-
spect to the global SDSS population is likely related to the lu-
minosity evolution of this parameter. Indeed, it has been shown
that the EW of the [O iii] core component anti-correlates with
L5100 Å, which can be regarded as a proxy of Lbol (Shen & Ho
2014). Two effects might come into play. Assuming that the in-
trinsic intrinsic L[O iii] does not evolve significantly with Lbol (or
z), the observed anti-correlation would be mainly driven by in-
clination, whereby high-Lbol, high-z sources are preferentially
observed with a “face-on” line of sight. Otherwise, if L[O iii] is
increasing more slowly than Lbol (e.g., Shen 2016), we would
also witness a trend of decreasing EW [O iii], as for the standard
Baldwin effect (Baldwin 1977; see also Sec. 4.1 of Ueda et al.
2015 for other possible effects).
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Fig. 8: Distribution of EW [O iii] of our and other reference sam-
ples, as a function of bolometric luminosity. Side panels show
the probability density of the quantities represented in the plot.
The BAL J0945+2305 is marked with a hollow pentagon. All but
one of our objects show low (< 30 Å ) EW [O III], suggesting
a non-edge-on line of sight. Generally, luminous high-redshift
quasars tend to cluster around low EW [O iii] values.

As for other emission lines (C iv, H β), we generally ob-
serve less prominent line profiles in W+w objects also for the
[O iii] λλ4959,5007 doublet (see also Green 1998). The mean
values for the two subsamples are 〈EW [O iii]〉N=16.6±5.6 Å
and 〈EW [O iii]〉W+w=4.5±1.5 Å, giving a ∼2.1σ tension. In this
computation we conservatively excluded from the N sample the
only high-[O iii] emitter, J0303−0008, for which inclination ef-
fects might be non negligible. The EW [O iii] values of all the
other sources suggest that these are likely seen at relatively low
inclination instead, hence the tentative difference between the
strength of the [O iii] emission in N and W+w quasars could be
due to intrinsic effects. At this stage, it is therefore more infor-
mative to consider L[O iii], rather than EW [O iii]. As we do not
expect any systematic difference between the geometrical (size,
covering factor) or physical (metallicity, density) properties of
the NLR in X-ray weak and X-ray normal quasars, we argue
that the main driver of L[O iii] is the line emissivity (e.g., Baskin
& Laor 2005), which ultimately depends on the shape of the
EUV/soft-ray SED.
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If the range of [O iii] intensities that we observe is caused by
intrinsic differences in the unobservable portion of the SED, a
correlation with the X-ray emission should be expected, as the
level of the latter determines the SED steepness. Several studies
have investigated the relation between [O iii] and X-ray emis-
sion, finding a high degree of correlation (e.g., Mulchaey et al.
1994; Panessa et al. 2006; Meléndez et al. 2008; Ueda et al.
2015). Indeed, being both proxies of the intrinsic power of the
central engine, LX and L[O iii] are naturally expected to correlate
in the case of type I objects, where the line of sight does not
cross the dusty torus (the correlation holds also in type II ob-
jects, when considering absorption–corrected LX). In Figure 9
we show the relation between the hard (2–10 keV) X-ray and
the [O iii] luminosity of our quasars together with other refer-
ence samples (Panessa et al. 2006; Meléndez et al. 2008; Ueda
et al. 2015). We also include the objects with currently avail-
able [O iii] and X-ray data from Laurenti et al. (2022) and, in the
high-luminosity tail, also those from the WISSH and SUPER
samples. For the WISSH and the Laurenti et al. (2022) samples
we also divided the sources in X-ray normal and X-ray weak ac-
cording to their ∆αOX value, adopting a conservative threshold
of ∆αOX ≤ −0.3 to define X-ray weakness. Objects whose [O iii]
emission is barely detectable are labelled as upper limits. Our
sample seems to follow the trend of less luminous objects, even
though, because of its very faint [O iii], J0303−0023 is slightly
below the other N sources. The LX values of J0945+2305 and
J1425+5406 are labelled as upper limits, being marginally de-
tected as stated in Paper I. Remarkably, despite their weak [O iii]
profiles, X-ray weak objects do not drop out from the main trend
of the L[O iii]– LX relation.

We also tested, at least qualitatively, the possibility that the
lower L[O iii] in X-ray weak objects were due to dust extinction
in the NLR. We did not have the possibility to use the Balmer
decrement, the most straightforward way to assess local extinc-
tion, because the Hα line is not covered by our spectra. To check
if N and W+w quasars had intrinsically similar [O iii] emission
lines, but the latter subsample suffered from a larger dust ex-
tinction, we considered N quasars with average [O iii] emission
(i.e., we excluded J0303−0023, whose emission is barely de-
tectable, and J0304−0008, the brightest [O iii] emitter) and al-
lowed for increasing dust extinction. The detailed procedure is
explained in Appendix D. Even in the case of significant red-
dening, E(B − V) = 0.2, [O iii] is still clearly detectable. A high
degree of extinction is also disfavoured by the locus occupied
in the Γ1450−3000 Å − Γ0.3−1 µm plane (see Fig. 2 of Paper II) by
the whole sample, which was selected in order to include blue
unobscured quasars.

We finally note that the [O iii] profile does not generally
reveal signatures of strong outflows, with the only exception
of J0942+0422, where a fairly broad (∼1200 km s−1) compo-
nent is detected, blueshifted with respect to the core component
by ∼470 km s−1 (Fig. 2). It is possible, however, that in some
cases, where the [O iii] profile is weak and blended with Fe iiopt,
any blueshifted [O iii] component, resulted undetectable even if
present.

4.4. Relation to accretion parameters

The quasars at high redshift constituting this sample have been
chosen so as to display a high degree of homogeneity in the UV,
being very luminous with a blue spectrum, according to the crite-
ria described in Paper I. We then found that on the X-ray side the
sources are far less homogeneous, since the sample also includes
a significant fraction of X-ray weak objects. We then focused on
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Fig. 9: Log(L[O iii])–log(L2–10 keV) plane. The dot-dashed, dotted
and dashed lines represent the best fits for the Panessa et al.
(2006), Meléndez et al. (2008), and Ueda et al. (2015) sam-
ples, respectively. Other luminous high-redshift samples with
currently available [O iii] and X-ray data from the WISSH (Vi-
etri et al. 2018; Zappacosta et al. 2020) and SUPER (Kakkad
et al. 2020) surveys, as well as the less luminous sample from
Laurenti et al. (2022) including some X-ray weak objects, are
also shown. Our objects where the [O iii] is barely detectable
(i.e., J0303−0023 and J1425+5406) are represented as upper
limits. Circled data are defined as radio-loud by the authors. BAL
J0945+2305 is marked by a hollow pentagon. The typical un-
certainties for the WISSH, SUPER, and Laurenti et al. (2022)
samples are respectively shown at the bottom of the plot.

the spectroscopic optical/UV properties to find any evidence for
differences accompanying the X-ray weakness in the W+w sam-
ple.

The newly estimated (and generally more reliable for 11/29
objects) BH masses as well as the Eddington ratios allowed us
to investigate further what the key accretion parameters of the
sample are, and test the possibility that the observed differences
between the two X-ray groups could be associated to their loca-
tion in this parameter space. In Figure 10 we present the rela-
tion between the Eddington ratio and the X-ray photon index for
our sample, together with other recent samples in the literature
formed by both super- and sub-Eddington accretors. Although
with a huge scatter, a steeper Γ is observed as λEdd increases. The
Spearman’s rank test for our z ∼ 3 sample, together with other
non-weak sources (shown in Fig. 10), produced a correlation in-
dex rS = 0.47, lower than the ones reported by Liu et al. (2021),
i.e., rS = 0.72 with a p-value= 1.27 × 10−8 for their full sample,
and rS = 0.60 with a p-value= 0.004 for the super-Eddington
subsample, which represents the tightest correlation found so far
for highly accreting sources.

We performed a linear regression using the module emcee
allowing for intrinsic dispersion, removing known X-ray weak
objects and sources whose Γ was fixed in the X-ray spectral
analysis. The former were removed as their coronal emission is
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possibly experiencing a “non-standard” phase, the latter because
the poor quality of the data did not allow a simultaneous esti-
mate of both Γ and NH. The resulting slope is β = 0.16 ± 0.03,
somewhat flatter than other previous findings (β = 0.31 ± 0.01,
Shemmer et al. 2008; β = 0.31 ± 0.06, Risaliti et al. 2009;
β = 0.57 ± 0.08, Jin et al. 2012; β = 0.32 ± 0.05, Brightman
et al. 2013), but fully consistent with Trakhtenbrot et al. (2017),
who report β = 0.17 ± 0.04 for hard X-ray selected AGN in the
Swift/BAT spectroscopic survey (BASS).
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Laurenti 2022 N
Laurenti 2022 W

Fig. 10: Γ–log(λEdd) plane. Highly accreting samples are labeled
as indicated in the legend. Circled sources have a fixed Γ in their
X-ray analysis. The black continuous line represents the best fit
from Liu et al. (2021), which produced a slope β = 0.27 ± 0.04,
while the dashed line represents the 1σ dispersion. The dot
dashed line is our best fit including all the samples but the
Trakhtenbrot et al. (2017) one, for which we had no informa-
tion about possible X-ray weak sources, which results in a flatter
slope β = 0.16 ± 0.03.

For 11/29 objects the UV/optical analysis yielded more ro-
bust estimates of the BH masses based on Hβ and/or Mg ii.
We did not find any statistically significant difference in the
average MBH between N and W+w sources, being the mean
BH mass for the N group 〈log(MBH/M�)〉N = 9.7±0.1, and
〈log(MBH/M�)〉W+w = 9.8± 0.1 for the W+w one. As this sample
was selected to have high and uniform (with a standard devia-
tion of ∼0.1 dex) bolometric luminosity, and the BH masses are
nearly identical, we expect that also the Eddington ratios should
not differ significantly. Indeed, the mean (median) values are
〈λEdd〉N = 1.6 ± 0.4 (0.9) and 〈λEdd〉W+w = 0.5 ± 0.1 (0.4). The
slight difference between the mean (median) values is likely due
to the marginally higher bolometric luminosity of the N sample,
〈log(Lbol/erg s−1〉N = 47.84 ± 0.04, with respect to the W+w one,
〈log(Lbol/erg s−1〉W+w = 47.58 ± 0.06.

The higher fraction of X-ray weak objects reported in high-
λEdd quasar samples (Paper I; Zappacosta et al. 2020; Laurenti
et al. 2022) compared to the general AGN population (Pu et al.
2020) hints at some modification of the interplay between the
corona and the disc emission in the high-accretion regime. The

strength of the coronal emission with respect to the disc one can
be roughly estimated through the indicator αOX. In Figure 11 we
show αOX as a function of the Eddington ratio for different AGN
samples. The resulting anti-correlation (Lusso et al. 2010; see
also Section 4.2 in Liu et al. 2021, and references therein) dis-
plays a rather large spread, since sources with similar λEdd can
span several orders of magnitude in terms of bolometric lumi-
nosity (which ultimately governs the SED steepness).
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Fig. 11: αOX against log(λEdd). Different symbols refer to differ-
ent samples as listed in the legend. The bolometric luminosity
is color coded and, for a fixed Eddington ratio value, spans 3–4
orders of magnitude.

Nonetheless, the relation should naturally tighten if we in-
clude the BH mass into the parameter space: for a given λEdd,
the higher MBH, the higher Lbol. Liu et al. (2021) proposed that
the scatter of the relation is due to a “non-edge-on” view on
a more fundamental plane in the αOX − λEdd − MBH space. In
Figure 12 we superimpose to the relation found by Liu et al.
(2021) all the type I AGN samples shown in Figure 11, which in-
clude the extreme BH hole mass tail of the quasar population at
high redshift. Remarkably, the bulk of our N quasars sits nicely
on the extrapolation of the best fit regression line, whereas the
W+w group drops far below, exhibiting lower αOX than the other
sources in the same λEdd–MBH domain. The αOX parameter is
still very steep also for other groups of very luminous quasars,
such as those from Zappacosta et al. (2020) and Laurenti et al.
(2022), but also the bulk of X-ray normal sources of these sam-
ples is slightly below (by ∼ −0.2) the prediction. Very luminous
sources could behave differently from the expectations, suggest-
ing that, if a universal relation existed, it could be steeper, or that
the high and low ends of the BH mass–Eddington ratio distri-
bution cannot be jointly described by a linear relation with αOX.
The sources of Liu et al. (2021), whose fit we extrapolated, were
selected with criteria akin to ours, being radio-quiet, non-BAL,
and with good quality (S/N> 6) X-ray data. However, no crite-
ria about their optical/UV emission (e.g., luminosity, photomet-
ric indices) were applied. Moreover, in 7/48 objects with mul-
tiple X-ray data available, the authors chose the high-flux ones,
and this choice can somewhat affect the comparison. Moreover,
the sources analysed in Zappacosta et al. (2020) were chosen to
study the impact of outflows driven by hyper-luminous quasars.
It is thus possible that the mismatch between the selection cri-
teria can also reduce the general agreement of the results. Over-
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all, a better sampling of the very-luminous, highly accreting side
of the distribution will be key to assess whether the accretion
mechanism is the same on very different scales of its governing
parameters.
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Fig. 12: Edge-on view on the αOX − λEdd − MBH space. The var-
ious samples are listed in the legend. The solid line is the best
regression as found by Liu et al. (2021), while the dashed lines
represent the 1σ dispersion. Quasars with high BH masses and
high accretion rates extend the range of the relation. The bulk of
our X-ray normal sources follows the extrapolation of the rela-
tion calibrated on less luminous sources at lower redshifts.

5. Discussion

As a general consideration, two different flavours of X-ray weak-
ness exist, as we can find both intrinsic and apparent X-ray weak
sources. The former are likely associated with the physics of the
corona, which is not efficiently producing the “normal” X-ray
emission, and we witness a wide range of weakness factors and
photon indices. PHL 1811 is the most extreme case of the first
kind, given its very steep photon index 2.0 < Γ < 2.6 (but see
Wang et al. 2022), the variability, and the ∼2 orders of magnitude
weakness. The latter objects are instead related to some kind of
absorption (slim disc, failed/clumpy wind, warm absorber, etc.)
along the line of sight. Our objects do not obviously fit in either
of these two classes, being in some way intermediate between
them, showing relatively flatter (Γ . 1.7) spectra in the absence
of clear absorption and moderate weakness factors. This is why
it is important to understand their prevalence among the AGN
population and their underlying physics.

The analysis of the X-ray data in Paper I revealed an
anomalously high fraction (≈25%) of X-ray weak (>∼ 3–10 times
fainter than expected) objects. Although in some cases (the
few marginal detections, plus J1201+01 and J1459+0024) the
quality of the data is not good enough to completely rule out
some level of absorption, in general a column density exceeding
NH(z) > 3 × 1022 cm−2 can be ruled out. This is a consequence

of the lack of any cutoff around 1 keV associated to X-ray ab-
sorption.

In Paper II, we found a correlation between X-ray and C iv
luminosity, which holds for X-ray normal objects over the whole
range probed by an extended control sample (1043.5 − 1045.5 erg
s−1 in L2 keV and 1043 − 1046 erg s−1 in LC iv), whereas X-ray
weak sources lie below that main sequence. In absolute terms, X-
ray weak objects present more luminous C iv lines than expected
for quasars with similar X-ray luminosity. Still, X-ray weakness
might lead to a less efficient population of the excited level (∼8
eV above the ground state) which is collisionally excited because
of the X-ray heating of the gas. We argue that such a relation
(holding for the N sources) is probably a by-product of the more
general αOX − LUV relation.

W+w quasars do not show strikingly different blueshifts of
the C iv line with respect to N ones, but shallower (i.e., broader
and less prominent) line profiles on average. This could be due
to (at least) two reasons: (i) fast, mostly equatorial outflows are
present among X-ray weak quasars, but our lowly inclined line
of sight offsets their observational footprints; (ii) the difference
in C iv emission between N and W+w objects is caused by some
mechanism affecting the region where the photons producing the
C iv come from. By analysing ∼190,000 spectra from the seven-
teenth SDSS data release, Temple et al. (2023) find that large
(≥ 1,000 km s−1) median C iv blueshifts are observed only in
quasars with high SMBH masses (MBH ≥ 109 M�) and high Ed-
dington ratios (λEdd ≥ 0.2). The z ∼ 3 sample analysed here
fulfils both requirements of high BH masses and high Edding-
ton ratios, so all the sources could be, in principle, in the out-
flow phase. The fact that we observe C iv blueshifts around or
slightly less than 1,000 km s−1, on average, can be explained
as a projection effect, whereby mostly equatorial winds are ob-
served under low inclination angles. In this framework, the frac-
tion of X-ray weak objects could be related to the wind duty cy-
cle (e.g., Fiore et al. 2023), which is otherwise poorly known.
We can set a lower limit to the wind persistence based on the con-
comitant [O iii] weakness. Assuming the relation for the single-
zone [O iii]-emitting region described in Baskin & Laor (2005),
that is RNLR = 40 (λLλ/1044)0.45 pc, where λLλ ∼ 1047 erg
s−1 for our objects, we get RNLR ≈ 1 kpc. Hence, it would take
t ∼ RNLR/c ∼3000 yr for the NLR to respond to changes in
the nuclear activity. Considering that the longer light-travel time
within the NLR would dilute any more rapid nuclear flickering,
the wind lifetime should be at least ≈104 yr.

In addition, we notice a qualitative similarity between the X-
ray normal and weak UV stacks in the top panel of Fig. 7 in
Paper II, and the C iv core and wind-dominated stacks depicted
in Fig. 5 of Temple et al. (2021), whereby the N (W+w) stack
is more akin to the C iv core-dominated (wind-dominated) one.
Indeed, the W+w and wind-dominated stacks share the broader
and shallower line profile and the flatter continuum, although
the latter spectrum exhibits more extreme properties in terms of
lower line equivalent width and higher offset velocity than ours.

In principle, the lack of seed photons causing the lower inten-
sity of the C iv emission could be due to some kind of shielding
triggered by the high accretion regime: a puffed up disc (e.g.,
Luo et al. 2015) could prevent ionising photons from reaching
the BLR as well as intercept part of the X-ray emission, causing
absorption along the line of sight. According to this model, our
line of sight should cross the absorber, thus favouring a more
edge-on geometry (still preserving the type I nature of these
AGN). Considering the thickness of the disc bulge and its den-
sity, we should thus detect absorption in the X-rays well in ex-
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cess of NH & 1023cm−2, but our sample does not fulfill this con-
dition.

In Section 4.2 we reported higher values of EW Hβ for the X-
ray normal sources with respect to the weak ones. We checked
other samples containing X-ray weak sources with available op-
tical data, finding a similar behaviour. The average values for N
and W objects in the WISSH sample described in Vietri et al.
(2018) are 〈EW Hβ〉N=62±7 Å and 〈EW Hβ〉W=47±7 Å, differ-
ent at the ∼1.6σ level. A statistically more significant difference
is found for the objects analysed in Laurenti et al. (2022), for
which the SDSS data from the Wu & Shen (2022) catalogue
yield the values 〈EW Hβ〉N=51±6 Å and 〈EW Hβ〉W=25±4 Å,
giving a ∼3.7σ tension.7

We thoroughly discussed the [O iii] properties and the rela-
tion between the [O iii] and X-ray emission in our sample in Sec-
tion 4.3. The low (< 30 Å) EW suggests that inclination does not
play a major role in our findings, as it is generally regarded to be
significant for EW [O iii]> 30 Å. Highly inclined (θ > 60◦) lines
of sight are also disfavoured by a luminosity argument. Assum-
ing, for instance, a 75◦ inclination, which might still not intercept
the dusty torus at these luminosities (e.g., Sazonov et al. 2015),
the geometric correction 1/ cos θ would yield a factor of ' 4,
shifting the average log(Lbol/erg s−1) of our z ∼ 3 quasars up-
wards by 0.6 dex to ∼48.4, when only one source in the entire
Wu & Shen (2022) catalogue has a larger luminosity.

Weaker [O iii] profiles, as discussed in Section 4.3, are gen-
erally found with increasing Lbol, which is likely due to an in-
trinsic decrease of the L[O iii] with respect to the continuum and,
to a lesser extent, to an inclination effect for which more lumi-
nous object are preferentially observed at smaller polar angles.
Finally, the possibility of a reduced [O iii] emission because of
extinction in the NLR of X-ray weak sources is disfavoured (see
Appendix D), and would anyway call for an unknown causal
connection between very different scales (i.e., ∼ 10−3 and 103

pc).
We also observed a trend of higher EW Fe iiUV and Fe ii/Mg ii

ratio for X-ray weak sources, in line with the expectations for
prototypical X-ray weak quasars (for instance refer to the anal-
yses of PHL 1811 by Leighly et al. 2007a,b). These, and some
other features characterizing X-ray weak objects, are consistent
with the trends expected in the 4D Eigenvector 1 (4DE1; Sulen-
tic et al. 2000). The transition between the so-called populations
B and A (mainly driven by accretion rate and orientation, see for
example Shen & Ho 2014) happens with the increase of the op-
tical Fe emission, the offset velocity of the C iv emission line as
well as a decrease of the equivalent of the width of the C iv and
EW [O iii] emission lines (see respectively supplementary Figure
E4 and Figure 1 in main text in Shen & Ho 2014). We point out
that the exact position of our objects along the 4DE1 main se-
quence is unclear. Indeed, we cannot evaluate the canonical esti-
mator RFe (RFe=EW Fe iiopt/EW Hβ), as the 4434–4684Å optical
Fe complex falls just bluewards our KS spectra. Even assuming
the 4900–5300 Å interval as a proxy of the canonical one, the
two samples are not segregated in the FWHM Hβ–RFe plane.
Considering their uncertain position along the RFe axis and the
homogeneity of our sources in terms of accretion rate and ori-
entation, which are believed to be the main drivers along the

7 We note that in both of these samples the average EW Hβ is smaller
than for our sources, for which the line falls close to the edge of the
KS spectra and the absolute value of its equivalent width strongly de-
pends on the exact placement of the continuum and on the adopted iron
template. However, the relative difference between N and W+w objects
goes in the same direction in all the three samples.

sequence, it is not straightforward to understand the differences
between the N and W+w sources within the 4DE1 formalism.

This notwithstanding, we need to piece together all the avail-
able observational evidence in order to find a mechanism capable
of explaining the following results on the W+w sources:

– X-ray weakness in absence of clear X-ray absorption (which
can still not be ruled out in some objects);

– the generally weaker and shallower line profile of C iv (and
optical lines such as Hβ and [O iii]), although still more lu-
minous than expected for normal quasars with similar X-ray
luminosity;

– the tentative trend of higher Fe ii/Mg ii.

Also the generally larger incidence of X-ray weak objects in
highly accreting samples deserves some further considerations.
Several studies have recently pointed out that the fraction of X-
ray weak quasars could be enhanced when the objects are ac-
creting at near-Eddington rates. Zappacosta et al. (2020) found
that about 40% of their sources (belonging to the WISSH sam-
ple) have ∆αOX < −0.3 and also display C iv shifts of over 5,000
km s−1, but the column density of the absorber is generally (in
3/4 obects) below 1023 cm−2. The same trend at lower luminos-
ity (Lbol = 1046.0 − 1046.6 erg s−1) and redshift (z ' 0.4–0.7) is
observed in the sample analysed by Laurenti et al. (2022), where
∼30% of their objects exhibits X-ray weakness without requir-
ing absorption. Conversely, the high-λEdd sample of Liu et al.
(2021) does not contain any X-ray weak object as the lowest
value of ∆αOX is −0.14. This sample is made of relatively less
luminous (Lbol < 1046.3 erg s−1), low-redshift (z ≤ 0.25) quasars.
It is worth noting that the authors selected the sample discard-
ing, among the other criteria, X-ray and UV/optical absorbed
sources, and choosing the X-ray high-flux state in case of mul-
tiple observations. The latter selection criterion could partially
explain the lack of X-ray weak objects.

It is also possible that variability is enhanced in highly ac-
creting objects (e.g., Ni et al. 2020), and some of the observed
weakness could be due to negative fluctuations. However, all the
objects with multiple observations (see Sec. 5.1 and Tab. 3 in
Paper I) do not show transitions between W and N states. An-
other example of a persistent X-ray weak condition is shown in
Laurenti et al. (2022): J0300−08 was targeted in 2011 by the
Neil Gehrels Swift Observatory (Gehrels et al. 2004), then ob-
served by XMM–Newton in 2018 and again by Swift in 2021.
All these observations (Swift only provided 3σ upper limits) re-
ported an X-ray flux below the expectations. Generally speaking,
it is possible that a high accretion rate can enhance the possibil-
ity of finding a quasar in an X-ray weak state, providing clues
about the possible underlying mechanism (e.g., a shielding wind,
a photon-trapping disc, a puffed-up slim disc).

Putting together all the pieces of information we have, our
best phenomenological guess is represented by the sketch in Fig-
ure 13. Specifically, a powerful outflowing phase depletes the in-
ner region of the accretion disc, causing a dearth of the seed UV
radiation feeding the coronal X-ray emission, while part of the
UV radiation is powering the wind. The change in the local ac-
cretion rate can have little impact on the near- to far-UV SED,
but a more dramatic effect on the extreme UV (inaccessible to
observations) and X-ray emission. If the corona is starved and
intrinsically weak, X-ray weakness can be explained without in-
voking any shielding, which, otherwise, would require moderate
to high inclination. The lowly inclined perspective is in line with
the observed high luminosity, the mild blueshift of the C iv line
(due to the mostly equatorial propagation of radiatively-driven
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Fig. 13: A sketch describing the observational features of X-ray normal (top) and weak (bottom) quasars. In the weak case a powerful
wind affects the X-ray coronal emission. The outflowing phase depletes the UV-radiating inner disc, and the Comptonization process
falls short of seed radiation. The resulting X-ray flux is thus reduced without need for absorption. Shocks at the interface between
the disc wind and the BLR gas can enhance the Fe ii/Mg ii ratio in X-ray weak sources. The observer is assumed to be on top,
but a rather wide range of viewing angles remains compatible with the type–I nature of these sources. Since our line of sight is
not expected to be significantly inclined with respect to the disc axis, as suggested by the very high bolometric luminosity of the
sample and confirmed by the low EW [O iii], outflow footprints like absorption dips or strong blue wings in C iv could be hidden.
On larger scales, the [O iii] luminosity mimics the X-ray behaviour, being lower in the X-ray weak sample, but fully consistent with
the high-luminosity extrapolation of the L[O iii]–LX relation. The weaker line emission in X-ray weak sources, here depicted by more
tenuous colours, is associated to the difference in the SED shape, as systematic differences between the BLR/NLR in X-ray weak
and normal sources are not expected. Such a mechanism is more likely to happen in highly accreting sources, where conditions are
conducive to the launch of powerful winds, hence the enhanced X-ray weak fraction in high λEdd objects.

winds; e.g., Proga 2003), and the small values of EW [O iii]
(which, however, also depends on the SED shape).

Despite the reduced X-ray heating, the C iv emission is
weaker but not suppressed since an ample reservoir of ionising
photons is still present at large luminosities. Moreover, a cru-
cial contribution to the strength of the C iv line also comes from
the X-ray heating of the gas, which, by means of electron–ion
collisions, populates the C iv excited state. Krolik & Kallman
(1988) determined the energy of the continuum photons mainly
contributing to the line emission for the most important emis-
sion lines, based on different continuum assumptions between

∼0.01–2 keV. Both C iv and Hβ rely on the Lyman continuum
photons between 13.6–24.5 eV, and also on the continuum in-
tensity at 300–400 eV and 300–800 eV, respectively, which is
likely suppressed in the SED of X-ray weak objects, producing
the generally lower equivalent widths observed in such sources.

On the other hand, the higher incidence of Fe ii/Mg ii is
rather puzzling. A high value of Fe ii/Mg ii ∼ 15.5 (Leighly et al.
2007a,b) is observed in the prototypical intrinsically X-ray weak
quasar PHL 1811 but, in that case, it is accompanied by a soft
(Γ = 2.3 ± 0.1) X-ray emission, which we do not report here for
our W+w sources. Weakness in our sample is accompanied by
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flatter photon indices than the average Γ = 1.9 (Piconcelli et al.
2005; Bianchi et al. 2009a) found in the unobscured quasar pop-
ulation. Following Leighly et al. (2007b, see their Figure 24 and
the relative SED in Figure 11 in Casebeer et al. 2006), increas-
ingly EUV-deficient SEDs would produce higher values of both
Fe ii/Mg ii and Fe iiUV/Fe iiopt. For our sample, we observe an av-
erage Fe ii/Mg ii value of 4.4 for N and 8.4 for W+w, which is
consistent with a softer EUV SED for X-ray weak with respect to
X-ray normal objects. Also the average values for Fe iiUV/Fe iiopt
are qualitatively in line with the predictions in Leighly et al.
(2007b), with 13±4 for the N and 26±9 for the W+w subsample
(see Sec. 4.2).

There have been claims (e.g., Sameshima et al. 2011, Temple
et al. 2020) that the Fe ii emission could be enhanced by the pres-
ence of shocks and microturbulence, as already noted in Baldwin
et al. (2004), which, in our scenario, could be possibly linked to
the outflowing phase. Shocks from the disc wind could thus fa-
cilitate the formation of the Fe ii pseudo continuum in parallel
to the main ionization process due to the coronal emission. This
could link, at least phenomenologically, X-ray weakness to the
higher Fe iiUV/Mg ii that we observe. Further analyses are needed
to thoroughly investigate this suggestion: collecting simultane-
ous and gapless spectra from the rest-frame optical to the UV (a
task currently possible for the z ∼ 3 sample with a ground-based
spectrograph such as VLT X-SHOOTER) would definitely im-
prove the reliability of the analysis and our understanding of the
impact on the line properties of the different regions of the SED
in X-ray weak and normal objects.

6. Conclusions

In this third paper of the series, we presented the optical and
middle UV analysis of the z ∼ 3 quasars whose X-ray and far UV
spectral properties were described, respectively, in Nardini et al.
(2019b) and in Lusso et al. (2021). The main goal pursued in
this work was to investigate additional spectral features that can
distinguish X-ray weak (W+w) from X-ray normal (N) quasars.
To this purpose, we were awarded dedicated observations at the
Large Binocular Telescope in both the rest-frame UV and optical
bands, respectively observed in the zJ and KS bands between
2018 and 2021.

Our main findings are listed below:

– We confirm, by combining C iv, Mg ii, and Hβ virial mass
estimates, that the black holes hosted in these high-redshift
quasars belong to the very high mass tail of the BH mass
distribution. Their masses had already grown up to ∼ 109 −

1010 M� when the Universe was about 2 Gyr old. Given the
bolometric luminosity estimated from the 1350 Å monochro-
matic flux, we derived the Eddington ratio for each object,
confirming that the whole sample is made of highly accret-
ing quasars (λEdd ∼ 0.1–5, with a median of 0.9).

– By fixing the slope of the continuum in order to match the
one of the bluer SDSS side of the spectrum, we find that
W+w objects generally exhibit more prominent Fe iiUV emis-
sion and, in turn, higher Fe ii/Mg ii ratios with respect to N
ones. Wind-related microturbulence and shocks in outflows
could enhance the Fe ii production in X-ray weak sources.

– Comparing our estimates of the Fe ii/Mg ii ratios of the N
objects with other literature samples, we found that they are
in line with the expectations for quasars at similar redshifts.
We also confirm that there is no evidence for an evolving
ratio across cosmic time up to z ∼ 6.5, pointing at a prior
chemical enrichment of the BLRs.

– EW [O iii] emission is generally low (< 20 Å) in all but one
of our objects. This suggests that inclination effects do not
play a major role, as sources observed under high viewing
angles usually display EW [O iii] & 30 Å. The lower EW
of several emission lines (C iv, H β, [O iii]) in X-ray weak
quasars could be related to the decrease of EUV photons re-
sponsible for the line production. Indeed, the L[O iii] of the
both X-ray weak and normal quasars are consistent with the
high-luminosity extrapolation of the L[O iii]–L2−10 keV relation
from other samples in literature.

– The presence of a mostly equatorial disc wind could explain
all the observational features that we have reported so far.
Part of the UV radiation would not be reprocessed in the X-
ray corona causing intrinsic (i.e., not due to absorption) X-
ray weakness. In the case of modest inclination of the line of
sight to the disc, consistent with the EW [O iii] values that we
find and with the huge bolometric luminosities, we could be
missing the typical footprints of an outflow such as a promi-
nent blue wing or absorption dips in the C iv profile. A higher
Fe iiUV emission in X-ray weak quasars could be attributed
to microturbulence and shocked regions at the interface be-
tween the outflow and the BLR medium.

In this third paper of the series, we further demonstrate that
X-ray weak and X-ray normal quasars also show different trends
in their emission-line properties. Nearly simultaneous observa-
tions at rest-frame optical/UV wavelengths and in the X-rays are
key to constrain the broadband ionising continuum in both pop-
ulations. In the future, the results of our analysis need to be con-
firmed on statistically larger quasar samples, possibly extending
at both lower and higher redshifts to better study the evolution
of the X-ray weakness fraction and of the related emission-line
properties.
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Appendix A: LBT spectra atlas

Figure A1 shows all the LBT zJ spectra along with their uncer-
tainty and the best-fit model components. The red dashed line
is the best-fit model. The blue line is the continuum power law,
where the blue square marks the 2500 Å luminosity density. The
grey line represents the Fe iiUV pseudo-continuum, while the ma-
genta emission line, if present, denotes the Mg ii emission fea-
ture. Grey shaded areas have been excluded from the fit. Figure
A2 shows all the LBT KS spectra. The color code is the same
as in Figure A1 for the best-fit model, continuum (in this case
the blue square represents the 5100 Å flux), and iron (Fe iiopt).
The green emission lines represent the narrow and broad H β
components, while the [O iii] is shown in orange. Luminosities
were calculated assuming a standard concordance cosmology
with H0 = 70 km s−1 Mpc−1, Ω0 = 0.3, ΩΛ = 0.7.

Appendix B: Optical and UV properties of the
z = 3.0–3.3 sample

Table A1 contains the quantities evaluated from the LBT zJ and
KS spectra relevant for the topics discussed throughout the paper.

Appendix C: Possible systematics on Fe ii emission,
and a consistency check

It is important to explore, at least qualitatively, the possible sys-
tematic differences on the estimate of the Fe iiUV emission with
other samples in literature. First, we must take into account
that most results are obtained using an iron emission template
(Vestergaard & Wilkes 2001; Tsuzuki et al. 2006) or some mod-
ified version of it, whereas ours are computed as the emission
of several synthetic BLRs with different ionization parameters.
Different fitting approaches may also affect the results. Fixing
the spectral slope provides a decent baseline to the iron emis-
sion in the majority of the cases, but the modelling of the overall
emission is not always optimal and, in one case (J1111+2437),
the slope is likely too flat to adequately reproduce the data. A
detailed study of how these systematics can affect the results can
also be found in Section 5.3 of Shin et al. (2019).

Ideally, we would need a larger spectral range to fit the con-
tinuum, pivoting on two (or more) continuum windows and cov-
ering the interval 2200–3090 Å, in order to have both a more
robust determination of the continuum and a direct estimate of
the whole Fe iiii emission without relying on extrapolations at
shorter wavelengths. Whilst the first of these two problems is
present in our sample, the second should be a minor issue, as the
extrapolation on the blue side is generally limited to an interval
∼100-Å wide, with the bulk of the iron emission covered by the
observations. Although the issues mentioned above could affect
a fair comparison with the other literature samples, the differ-
ence between the average values for the N and the W+w groups
should not be influenced by these possible systematics, as both
the N and the W+w average would eventually be affected in the
same way.

We performed a consistency check of our capability to re-
produce the iron emission. We selected a sample of 100 quasars
present in the SDSS DR17 catalogue whose spectra had already
been analysed in Wu & Shen (2022), and we performed again
the fit, focusing on a reliable reproduction of the iron pseudo-
continuum. To this purpose, we applied some filters in order to
build an ad hoc sample: since EW Fe ii in the Wu & Shen (2022)
catalogue is evaluated between 2250–2650 Å we required this

wavelength interval to be fully present in all the spectra, together
with the Mg ii and the C iv emission lines and the nearby contin-
uum windows for a robust estimate of the continuum. We also re-
quired that both the emission lines satisfied the quality cuts sug-
gested by the authors (see their Table 2 and relative discussion in
Section 4), that is Fline/σFline > 2, 38 < log (Lline/erg s−1) < 48
and Npix,line complex > 0.5 × Npix,line complex max, which sets the min-
imum fraction of available pixels for the fit. Moreover, we fil-
tered out sources affected by BALs by imposing the BAL_PROB
field equal to 0, since these features could hamper a proper de-
termination of the continuum. Finally, we also required a de-
tected iron emission by requiring FEII_UV_EW>0. We sorted
out the sources according to their SNR_MEDIAN_ALL pa-
rameter, and selected 100 of the best quality spectra, avoid-
ing objects affected by bad pixels and spurious features. Suc-
cessively, we performed a one-by-one analysis, fitting each of
them, adopting the same double Gaussian (1 broad, 1 narrow)
deconvolution adopted in Wu & Shen (2022), but using two
sets of our iron templates. After a careful visual inspection
of the results, we estimated the EW Fe ii for each object, and
compared it against the catalogue ones. The distribution of the
relative differences between our estimates and the catalogue
ones ∆Fe ii=(EW Fe iiours−EW Fe iicatalogue)/EW Fe iicatalogue is il-
lustrated in Figure C.1. The offset of the distribution is mini-
mal, 〈∆(Fe ii)〉=0.002, and most of the sample (95%) is consis-
tent within a factor ∼2 with the catalogue estimates. Even in
case of strong iron emission both the continuum and the Fe ii
profile are well reproduced. This check led to some considera-
tions. First, despite some scatter, in general there is not a strong
systematic offset between our estimates and the reference ones.
This points to the fact that using the region including the C iv
line and its neighbouring continuum windows to estimate the
continuum power law produces reliable results also in the Mg ii
region. Second, we could think of the dispersion of the residuals
as a crude estimate of the uncertainty that we get when com-
paring our Fe ii/Mg ii estimates against those evaluated adopting
other templates. Third, the good reproduction of the iron emis-
sion, even in the case of high EW Fe ii, confirms that our anal-
ysis is capable of accurately sampling even the high tail of the
EW Fe ii distribution.
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Fig. C.1: Distribution of the residuals between our estimates of
EW Fe ii and the catalogue ones for an SDSS control sample.
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Appendix D: A check on [O iii] extinction

We checked for the presence of dust extinction affecting the
[O iii] emission in X-ray weak quasars by applying increasing
reddening the [O iii] emission of X-ray normal quasars. Indeed,
if the dearth of [O iii] emission in W+w quasars were not intrin-
sic, but instead due to extinction, the average line profile of N
quasars, once reddened, would be similar to the W+w one. To
rule out this possibility, we performed the following exercise:
adopting the best fit model for the [O iii] emission, we reddened
the line profile with increasing values of E(B − V) and evalu-
ated at each step the EW of the line, checking whether this was
compatible with the average EW [O iii] for X-ray weak sources.
To this purpose, we only considered the N quasars with “av-
erage” emission, excluding J0303−0023 whose [O iii] is barely
detectable and J0304−0008 whose [O iii] is the brightest. We as-
sumed the extinction curve from Gordon et al. (2016) available
in the “dust_extinction” package of the Astropy software (Ro-
bitaille et al. (2013)), adopting an absolute to selective extinc-
tion ratio RV = AV/E(B − V) = 3.1 and setting the parameter
fA equal to 0, that is, choosing a SMC-like extinction curve. We
then corrected the rest-frame 4900–5200 Å emission for increas-
ing values of extinction E(B − V) from 0 (unobscured) to 0.2
(reddened), which is twice the value adopted for the selection of
blue continuum emission for a standard quasar SED (Richards
et al. 2006), with steps of ∆E(B − V) = 0.02. The results of
such procedure are shown in Fig. D.1. Even in the case of sig-
nificant reddening the [O iii] profile is not suppressed to the level
observed in the W+w subsample, and the EW [O iii] of the red-
dened spectra are still well above the median value for the X-ray
weak sample (2.4 Å). We thus believe that the [O iii] emission of
X-ray weak quasars is unlikely to be affected by extinction.
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Fig. D.1: The [O iii] region of J0942+0422 and J1426+6025 red-
dened according to the different E(B−V) values, as colour-coded
in the legend. All the spectra are normalized by the f5100Å of the
continuum. The spectra of J0942+0422 were shifted for visual-
ization purposes.

Appendix E: Notes on individual objects

J0303−0023

This is the only X-ray normal object with faint [O iii] emission.
There are different scenarios which could justify the such a weak
line profile without invoking a significant difference in the ioniz-
ing SED (a list of possible explanations is examined in Sec. 4.2
of Agostino et al. 2023, and references therein). For instance,
a low covering fraction of the NLR could be able to obliterate
the [O iii] emission without altering the observed X-ray proper-
ties. Another possible reason for a weak [O iii] profile in pres-
ence of normal X-ray emission is the case of NLR gas depletion,
due to galactic activity (e.g., major mergers, gas stripping). In
principle, for an individual object, it would be also important to
consider the difference in size and characteristic timescales be-
tween the X-ray corona and the much farther region producing
the [O iii] emission. Although unlikely, since none of our sources
deviate from the LX–L[O iii] relation, we cannot completely ex-
clude that the AGN in J0303−0023 has experienced a sudden
re-brightening to which the NLR has not yet been able to re-
spond.

J0942+0422

This source presents a broad (FWHM=1173±27 km s−1),
blueshifted (voff=469±17 km s−1) component in the [O iii] pro-
file. The width and offset velocity are compatible with a galac-
tic scale outflow. However, being this source an X-ray normal
quasar, such feature does not relate with any exotic X-ray be-
haviour.

J1111+2437

The Hβ found in the optical spectrum of this object does not
show a clear line profile and was thus fitted adopting a broken
power law profile convolved with a Gaussian kernel. The result-
ing shape is very skewed with a red side which extends well
below the [O iii] doublet. In this case the derived FWHM of the
Hβ profile is considered as an upper limit rather than a proper
estimate.

J1148+2313

A visual inspection of the spectrum suggests that the slope of
the continuum power law may be inverted with respect to the
one fitting the SDSS data, and this is confirmed if we try to fit the
spectrum without fixing the slope. This leads to a higher value of
EW [Fe ii] than the one that we would find by allowing the slope
to vary. However, being the Mg ii emission of this object affected
by atmospheric extinction, it is not included in the sample used
to evaluate the Fe ii/Mg ii ratio, and does not alter the subsequent
results.

J1225+4831

The slope derived on the blue SDSS side of the spectrum of this
object is not able to reproduce the shape of the LBT zJ coun-
terpart. Even adopting a free slope for fitting this spectrum, the
result is modest as we are not able to include any iron emis-
sion, and we thus exclude this objects from the considerations in
which such feature is implied.

Article number, page 19 of 25



A&A proofs: manuscript no. main

J1426+6025

The optical spectrum of this object shows a bump redwards the
Hβ line, partially embedding the [O iii] λ4959Å emission. We in-
terpreted such emission as produced by optical Fe, as it seems
unlikely that Hβ could display such a broad redshifted compo-
nent. At the same time, we cannot completely rule out the pres-
ence of intense blueshifted [O iii] wings, as the resulting profile
is degenerate for the combination of such wings and the Fe emis-
sion.
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−

1 ]

MgIIλ2798

FeIIUV FeIIUV

LBT zJ J090508.88+305757.3 z=3.034 (N)

2400 2600 2800 3000
λ [Å]
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−

1 ]

MgIIλ2798

FeIIUV FeIIUV

LBT zJ J102714.77+354317.4 z=3.117 (N)

2500 2700 2900 3100 3300
λ [Å]
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Fig. A1: LBT zJ spectra in black. The colour code is described in Appendix B.
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−

1 ]

MgIIλ2798

FeIIUV FeIIUV

LBT zJ J120144.36+011611.6 z=3.24 (W)

2400 2600 2800 3000
λ [Å]
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Fig. A1 continued: LBT zJ spectra
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−

1 ]

Hβ

[OIII]λλ4959, 5007

FeIIopt

LBT KS J122017.06+454941.1 (W)

4900 5100 5300
λ [Å]
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Fig. A2: LBT KS spectra. The colour code is described in Appendix B.
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Table A1: UV spectral properties of the z∼ 3 sample.

Name X-ray class EW Mg ii EW Fe iiUV Fe ii/Mg ii EW Hβ EW [O iii] EW Fe iiopt
a

[Å] [Å] [Å] [Å] [Å]
J0301-0035 N 82.8±9.5 373.4±36.9 4.5±0.5 109.9±4.1 2.3±0.2 53.6±2.5
J0304-0008 N 35.3±2.6 196.7±49.7 5.6±1.0 77.2±2.5 77.0±2.1 7.3±5.8
J0826+3148 N - 127.6±74.8 - - - -
J0835+2122 N - 135.6±8.6 - - - -
J0900+4215 - 40.9±0.8 131.9±14.6 3.2±0.3 - - -
J0901+3549 N - 299.7±87.2 - - - -
J0905+3057 N - 695.5±144.9 - - - -
J0942+0422 N 62.0±2.1 315.0±14.2 5.1±0.5 108.0±3.7 18.1±3.1 32.1±8.4
J0945+2305 W 72.4±4.0 511.9±70.2 7.1±1.5 95.5±8.9 1.9±0.3 77.4±7.5
J0947+1421 N - 312.2±150.5 - - - -
J1014+4300 N - 318.3±21.0 - - - -
J1027+3543 N - 341.6±48.1 - - - -
J1111-1505 w - 32.2 ±2.9 - - - -
J1111+2437 w 59.2±14.3 801.3±70.1 13.5±7.4 81.4±41.1 7.8±0.6 13.3±2.0
J1143+3452 N 36.5±0.5 77.2 ±11.8 2.1±0.3 - - -
J1148+2313 W - 650.4±123.9 - - - -
J1159+3134 W - 547.4±49.6 - - - -
J1201+0116 W 34.3±1.7 178.7±8.3 5.2±0.5 47.0±8.6 2.4±1.0 96.6±13.8
J1220+4549 W 118.5±12.7 679.3±31.3 5.7±1.1 55.1±1.1 3.7±0.3 20.0±1.5
J1225+4831 N - - - - - -
J1246+2625 N - 151.1±30.5 - - - -
J1246+1113 N - 584.3±183.6 - - - -
J1407+6454 N - 394.6±104.6 - - - -
J1425+5406 W 46.4±2.8 486.4±52.2 10.5±1.2 85.8±1.4 0.5±0.6 17.7±1.3
J1426+6025 N 76.7±5.5 364.5±56.8 4.8±0.6 136.6±55.3 15.9±2.6 51.2±25.5
J1459+0024 w - 324.7±25.7 - - - -
J1532+3700 w - 472.5±102.9 - - - -
J1712+5755 N - 222.1±17.3 - - - -
J2234+0000 N - 54.0 ±0.5 - - - -

(a)

EW Fe iiopt evaluated between 4900–5300 Å.
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Table A1 continued

FWHM Mg ii FWHM Hβ L[O iii]λ5007 Log L3000Å Log L5100Å Log MBH λEdd αOX ∆αOX Γ

[km s−1] [km s−1] [1042 erg s−1] [erg s−1] [erg s−1] [M�]
4693±25 6509±134 25.8±2.3 46.94 46.75 9.8±0.2 0.8 -1.68 0.02 1.87+0.08

−0.07
2105±15 3946±180 839.0±13.4 46.95 46.73 9.2±0.2 4.6 -1.64 0.07 1.99+0.05

−0.06
- - - 46.90 - 9.7±0.4 0.7 -1.87 -0.17 1.56+0.17

−0.16
- - - 46.95 - 9.8±0.4 0.4 -1.67 0.03 1.77+0.07

−0.06
3214±34 - - 47.34 - 9.9±0.2 1.0 -1.56 0.20 1.83+0.03

−0.03
- - - 46.94 - 9.7±0.4 0.9 -1.82 -0.12 1.60+0.07

−0.08
- - - 46.81 - 9.1±0.4 4.0 -1.60 0.11 2.12+0.06

−0.05
3830±52 4779±75 369.5±64.9 47.06 47.00 9.6±0.2 1.2 -1.70 0.02 2.11+0.11

−0.10
4487±39 6156±223 10.7±1.5 46.56 46.44 9.7±0.2 0.1 -1.97 -0.3 1.80(f)

- - - 47.07 - 10.0±0.4 0.5 -1.71 0.03 1.88+0.06
−0.05

- - - 47.32 - 10.0±0.4 1.1 -1.83 -0.05 2.21+0.08
−0.09

- - - 47.22 - 10.0±0.4 0.9 -1.71 0.05 1.91+0.06
−0.05

- - - 46.82 - 10.0±0.4 0.3 -1.88 -0.20 1.71+0.13
−0.13

3481±150 8187> 99.5±4.7 46.86 46.81 9.6±0.2 1.2 -1.91 -0.19 1.77+0.13
−0.12

3177±39 - - 47.09 - 9.7±0.2 1.4 -1.68 0.04 1.94+0.06
−0.05

- - - 46.94 - 10.0±0.4 0.3 -2.12 -0.35 1.16+0.11
−0.11

- - - 46.94 - 10.1±0.4 0.3 -2.14 -0.42 1.8(f)
3208±27 6530±177 35.3±15.2 47.11 46.86 9.7±0.2 1.0 -2.00 -0.30 1.60+0.14

−0.14
4646±30 4183±117 44.1±3.9 46.84 46.77 9.5±0.2 0.4 -2.04 -0.34 1.70+0.31

−0.28
- - - 46.91 - 9.9±0.4 0.4 -1.59 0.12 1.89+0.05

−0.04
- - - 47.01 - 10.4±0.4 0.2 -1.75 -0.04 2.00+0.07

−0.07
- - - 46.74 - 9.6±0.4 0.9 -1.70 -0.02 2.14+0.31

−0.28
- - - 46.97 - 9.9±0.4 0.8 -1.71 0.02 2.07+0.08

−0.07
3110±15 4778±70 5.5±7.2 46.97 46.79 9.5±0.2 0.9 -1.99 -0.28 1.80(f)
4932±52 7645±275 597.8±102.2 47.40 47.27 10.1±0.2 1.1 -1.74 0.04 1.81+0.05

−0.04
- - - 47.01 - 9.6±0.4 0.3 -1.91 -0.20 1.72+0.27

−0.24
- - - 47.04 - 10.1±0.5 0.4 -1.92 -0.18 1.69+0.11

−0.11
- - - 47.04 - 9.0±0.4 4.7 -1.62 0.09 1.68+0.04

−0.05
- - - 47.09 - 9.0±0.4 5.0 -1.68 0.05 1.86+0.05

−0.05
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ABSTRACT

Identifying the accelerators of Galactic cosmic ray protons (CRs) with energies up to a few PeV

(1015 eV) remains a theoretical and observational challenge. Supernova remnants (SNRs) represent

strong candidates, as they provide sufficient energetics to reproduce the CR flux observed at Earth.

However, it remains unclear whether they can accelerate particles to PeV energies, particularly

after the very early stages of their evolution. This uncertainty has prompted searches for other

source classes and necessitates comprehensive theoretical modeling of the maximum proton energy,

Emax, accelerated by an arbitrary shock. While analytic estimates of Emax have been put forward

in the literature, they do not fully account for the complex interplay between particle acceleration,

magnetic field amplification, and shock evolution. This paper uses a multi-zone, semi-analytic model

of particle acceleration based on kinetic simulations to place constraints on Emax for a wide range

of astrophysical shocks. In particular, we develop relationships between Emax, shock velocity, size,

and ambient medium. We find that SNRs can only accelerate PeV particles under a select set of

circumstances, namely, if the shock velocity exceeds ∼ 104 km s−1 and escaping particles drive

magnetic field amplification. However, older, slower SNRs may still produce observational signatures

of PeV particles due to populations accelerated when the shock was younger. Our results serve as a

reference for modelers seeking to quickly produce a self-consistent estimate of the maximum energy

accelerated by an arbitrary astrophysical shock. a)

1. INTRODUCTION

After more than a century of study, the origins of

the cosmic rays (CRs) detected on Earth remain uncer-

tain. In the case of Galactic CRs, with energies up to a

few PeV (1015 eV), supernova remnants (SNRs) remain

promising candidates, as they provide sufficient ener-

getics and an efficient acceleration mechanism (Hillas

2005; Berezhko & Völk 2007; Ptuskin et al. 2010; Capri-

oli et al. 2010a). Moreover, there is strong observational

evidence that SNRs are capable particle accelerators,

including the detection of hadronic γ-ray emission pro-

duced by collisions between CR protons and protons in

the interstellar medium (ISM) (e.g., Morlino & Caprioli

2012; Slane et al. 2014; Ackermann et al. 2013).
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In the standard paradigm, CRs are accelerated at

the forward shocks of SNRs via diffusive shock accel-

ration (DSA). In this picture, particles scatter off of

magnetic perturbations such that they diffuse back and

forth across the shock, gaining energy with each cross-

ing (Fermi 1954; Krymskii 1977; Axford et al. 1977; Bell

1978; Blandford & Ostriker 1978). This mechanism pro-

duces power-law distributions of particles and is capable

of accelerating particles up to arbitrarily high energies,

provided that they remain confined close to the shock.

Moreover, DSA represents a universal mechanism that

can explain particle acceleration in a multitude of astro-

physical contexts (e.g., Ajello et al. 2021; Diesing et al.

2023).

However, it is unclear whether SNRs confine CRs long

enough to accelerate them up to the so-called “knee”, a

feature in the CR proton spectrum around a few PeV

(e.g., Blümer et al. 2009; Bartoli et al. 2015; IceCube

Collaboration et al. 2013) and the presumed maximum

energy of Galactic CR protons. Namely, in the absence

of strong magnetic field amplification, SNRs are unable
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to confine PeV particles (Lagage & Cesarsky 1983b).

While there is clear theoretical (e.g., Bell 2004; Amato

& Blasi 2009; Reville & Bell 2012; Zacharegkas et al.

2022) and observational (e.g., Völk et al. 2005; Parizot

et al. 2006; Morlino et al. 2010; Ressler et al. 2014; Tran

et al. 2015) evidence that particle acceleration can drive

strong magnetic field amplification in SNRs, the ques-

tion of whether that amplification is sufficient to confine

PeV particles remains contested in the literature (e.g.,

Ptuskin et al. 2010; Bell et al. 2013; Cardillo et al. 2015;

Marcowith et al. 2018; Gabici et al. 2019; Cristofari et al.

2020; Cristofari et al. 2021; Brose et al. 2022).

Observational efforts to search for PeVatrons have also

called into question the SNR paradigm for Galactic CR

acceleration. While & 100 TeV γ-ray sources have been

detected with instruments such as the Large High Al-

titude Air Shower Observatory (LHAASO) (Cao et al.

2021), the High Altitude Water Cherenkov Observatory

(HAWC) (Abeysekara et al. 2020), and the High Energy

Stereoscopic System (H.E.S.S.) (Abdalla et al. 2021),

many of these sources do not appear to coincide with

known SNRs. These results motivate the search for al-

ternative sources of PeV protons, such as pulsar winds

(e.g., Amato 2014), microquasars (e.g., Abeysekara et al.

2018), star clusters (e.g., Aharonian et al. 2019; Bykov

et al. 2020), and superbubbles (e.g., Parizot et al. 2004).

Notably, these alternative PeVatron candidates often

still involve shocks, and tend to invoke DSA as the pre-

dominant acceleration mechanism.

In this paper, we place constraints on the maximum

proton energy, Emax, accelerated by an arbitrary astro-

physical shock using a self-consistent, multi-zone model

for particle acceleration and magnetic field amplifica-

tion. While we tailor our model parameters to SNRs

in order to analyze their potential to be PeVatrons, we

also develop scaling relations that can be applied to any

spherical shock. We also cast these scaling relations in

terms of parameters that can be inferred observation-

ally (e.g., shock velocity). Finally, we bracket theoreti-

cal uncertainties in the nature of magnetic field ampli-

fication, resulting in robust lower and upper limits on

Emax. This combination of features—our multi-zone,

self-consistent approach, the easy applicability of our

results to observations, and our accounting for theoreti-

cal uncertainties—distinguishes our work from others in

the literature.

This paper is organized as follows: we describe our

model for shock evolution, particle acceleration, and

magnetic field amplification in Section 2. In Section 3,

we summarize the results of our Emax calculations, dis-

cussing their implications for potential PeVatron candi-

dates and searches in Section 4. We conclude in Section

5.

2. METHOD

To calculate Emax for an arbitrary shock, we use

a multi-zone model of particle acceleration employed

in Diesing & Caprioli (2021) and references therein.

Broadly speaking we choose model parameters to be

consistent with typical SNRs. However, our results can

be scaled up or down to approximate the maximum en-

ergy accelerated by other types of astrophysical shocks.

Note that, throughout this paper, subscripts 0, 1, and 2

are used to denote quantities far upstream, immediately

upstream, and downstream of a shock.

2.1. Shock Hydrodynamics

To estimate typical SNR evolution, we employ a for-

malism similar to that described in Diesing & Caprioli

(2018), which assumes that ejecta and swept-up mate-

rial form a thin shell behind the forward shock, which

expands due to pressure from a hot bubble inside it (see,

e.g., Bisnovatyi-Kogan & Silich 1995; Ostriker & McKee

1988; Bandiera & Petruk 2004, for examples of this thin-

shell approximation). More specifically, we model SNRs

during two stages of evolution: the ejecta-dominated

stage, in which the mass of swept-up material is less than

the ejecta mass and the shock expands freely, and the

Sedov-Taylor stage, in which the swept-up mass exceeds

the ejecta mass and the shock expands adiabatically.

Because energy conserved throughout both stages, we

can write this evolution as,

vsh =

(
2ESN

Mej +MSU

)1/2

, (1)

where, vsh is the forward shock velocity, ESN is the initial
SN kinetic energy, Mej is the ejecta mass, and MSU is

the swept up mass, given by,

MSU =

∫ Rsh

Rmin

4πr2ρ0(r)dr. (2)

Eventually, the temperature behind the forward shock

drops below 106 K and the SNR becomes radiative.

However, at this point, the shock has slowed substan-

tially such that Emax has fallen well below its peak.

Put another way, the DSA timescale for CRs of en-

ergy E = Emax is given by τDSA ≈ D(Emax)/v2
sh where

D(E) is the energy-dependent diffusion coefficient. As-

suming Bohm diffusion (Caprioli & Spitkovsky 2014a),

D(E) ∝ rL ∝ E/B2 where rL is the Larmor radius

and B2 is the postshock magnetic field. This gives

Emax ∝ B2v
2
sht and, since vsh is roughly constant dur-

ing the ejecta dominated stage, Emax initially increases,
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provided that B2 remains constant (as is likely to be the

case in a uniform ambient medium). After the transi-

tion to the Sedov stage, the shock slows down such that

vsh ∝ t−3/5, meaning that Emax decreases with time,

i.e., Emax ∝ B2(t)t−1/5 (Cardillo et al. 2015; Bell et al.

2013). This decrease in Emax happens even earlier for

shocks expanding into a wind profile (n ∝ r−2), since the

decrease in density also leads to a decrease in the ampli-

fied postshock magnetic field. Thus, Emax depends most

strongly on shock evolution during the ejecta-dominated

and early Sedov-Taylor stages, and we do not model the

onset of the radiative stage.

Throughout this work, we consider a benchmark SNR

with ESN = 1051 erg and Mej = 1M�, expanding into

uniform media of number density nISM ∈ [10−2, 102]

cm−3 (i.e., the environments around typical Type Ia

SNe), and into wind profiles given by nISM ∈ [10−1, 10]×
3.5(R/pc)−2 cm−3 (i.e., the environments around typi-

cal core-collapse SNe). Note that nISM = 3.5(R/pc)−2

cm−3 corresponds to a stellar wind with velocity 10 km

s−1 and mass-loss rate 10−5M� yr−1 (e.g., Weaver et al.

1977). To accommodate for the wide diversity of core-

collapse SNe, we also consider SNRs with ESN = 1052

erg and Mej = 5M�, all expanding into wind profiles.

2.2. Particle Acceleration

We model particle acceleration using a semi-analytic

framework that self-consistently solves the diffusion-

advection equation for the transport of non-thermal

particles in a quasi-parallel, non-relativistic shock, in-

cluding the dynamical effects of accelerated particles

and CR-driven magnetic field amplification (see Capri-

oli et al. 2009b, 2010b; Caprioli 2012; Diesing & Caprioli

2019, 2021, and references therein, in particular Malkov

(1997); Malkov et al. (2000); Blasi (2002, 2004); Amato

& Blasi (2005, 2006)). We assume that protons with mo-

menta above pinj ≡ ξinjpth are injected into the accelera-

tion process, where pth is the thermal momentum and we

choose ξinj to produce CR pressure fractions∼ 10%, con-

sistent with kinetic simulations of quasi-parallel shocks

(e.g., Caprioli & Spitkovsky 2014b). We also calcu-

late Emax self-consistently by requiring that the diffu-

sion length (assuming Bohm diffusion) of particles with

energy E = Emax be 10% of the shock radius (see Sec-

tion 2.4 for a detailed discussion).

This model calculates an instantaneous spectrum of

protons accelerated at each timestep of shock evolution.

These spectra are then shifted and weighted to account

for adiabatic losses (see Caprioli et al. 2010a; Morlino

& Caprioli 2012; Diesing & Caprioli 2019, for more de-

tails), before being added together to produce the cu-

mulative, multi-zone spectrum of particles accelerated

by an arbitrary shock.

It is worth noting that this model also includes the ef-

fect of the postcursor, a drift of CRs and magnetic fluc-

tuations with respect to the plasma behind the shock

that arises in kinetic simulations (Haggerty & Caprioli

2020; Caprioli et al. 2020). This drift moves away from

the shock with a velocity comparable to the local Alfvén

speed in the amplified magnetic field, sufficient to pro-

duce a substantial steepening of the CR spectrum consis-

tent with observations (see Diesing & Caprioli 2021, for

a detailed discussion). While this effect has little bear-

ing on the value Emax, it has important consequences

for the number of CRs produced at this energy. A de-

tailed discussion of these consequences can be found in

Section 4.

2.3. Magnetic Field Amplification

The propagation of CRs ahead of the shock is ex-

pected to excite streaming instabilities, (Bell 1978, 2004;

Amato & Blasi 2009; Bykov et al. 2013), which drive

magnetic field amplification and suppress the CR dif-

fusion coefficient (Caprioli & Spitkovsky 2014c,a). The

result is magnetic field perturbations with magnitudes

that far exceed that of the ordered background mag-

netic field. This magnetic field amplification has been in-

ferred observationally from the X-ray emission of many

young SNRs, which exhibit narrow X-ray rims due to

synchrotron losses by relativistic electrons (e.g., Pari-

zot et al. 2006; Bamba et al. 2005; Morlino et al. 2010;

Ressler et al. 2014). Such magnetic field amplification

is also essential for SNRs to accelerate protons to even

the multi-TeV energies inferred from γ-ray observations

of historical remnants (e.g., Morlino & Caprioli 2012;

Ahnen et al. 2017), implying that a proper treatment of

magnetic field amplification is essential to predict Emax.

We model magnetic field amplification by assuming

pressure contributions from both the resonant streaming

instability (e.g., Kulsrud & Pearce 1968; Zweibel 1979;

Skilling 1975,b,c; Bell 1978; Lagage & Cesarsky 1983a),

and the non-resonant hybrid instability (Bell 2004). De-

tailed discussions of these instabilities can also be found

in Cristofari et al. (2021).

In the resonant instability, CRs excite Alfvén waves

with a wavelength equal to their gyroradius. This in-

stability saturates when the magnitude of the resulting

magnetic perturbations reaches that of the ordered back-

ground field: δB/B ∼ 1. Amato & Blasi (2006) derives

the magnetic pressure at saturation, PB1,res, to be,

PB1,res =
PCR,1

4MA,0
, (3)
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where PCR,1 is the CR pressure in front of the shock and

MA ≡ vsh/vA,0 is the Alfvénic Mach number.

For the fast shocks considered in this work, much more

significant is the non-resonant hybrid instability. Driven

by CR currents in the upstream, Bell (2004) predicts

that saturation occurs when the magnetic field pres-

sure in front of the shock, PB1,Bell, reaches approximate

equipartition with the anisotropic fraction of the CR

pressure, yielding,

PB1,Bell =
vsh

2c

PCR,1

γCR − 1
. (4)

See also Blasi et al. (2015). Here, c is the speed of

light and γCR = 4/3 is the CR adiabatic index. This

saturation can lead to δB/B0 � 1 and dominates in

SNR-like environments.

That being said, a comprehensive theory for CR-

driven magnetic field amplification upstream of a shock

is still missing. Namely, it remains unclear whether

the particles responsible for the CR currents that drive

the non-resonant instability are primarily those diffus-

ing near the shock (e.g., Bell 2004; Amato & Blasi 2006)

or those escaping in the far upstream (e.g., Vladimirov

et al. 2006; Caprioli et al. 2009a; Bell et al. 2013). On

the one hand, diffusing particles with energies E < Emax

are greater in number. On the other, escaping particles

with energy E = Emax have a larger drift speed. Thus,

the relative contribution from each population should

depend on the spectral slope, as discussed in Cristofari

et al. (2021).

In order to bracket this uncertainty, we consider two

extreme scenarios:

A: Diffusing CRs are solely responsible for magnetic

field amplification, such that PB,Bell(x) ∝ PCR(x).

This scenario gives a lower limit on the amplified

magnetic field and thus Emax.

B: Escaping CRs are solely responsible for magnetic

field amplification, such that PB,Bell(x) = PB1,Bell.

This scenario gives an upper limit on the amplified

magnetic field and thus Emax.

Assuming that all components of the magnetic per-

turbations upstream are compressed, the downstream

magnetic field strength is given by B2 ' RsubB1, where

Rsub = u1/u2 is the subshock compression ratio. Our

typical SNR parameters give B2 near a few hundred µG,

in good agreement with X-ray observations of young

SNRs (Völk et al. 2005; Parizot et al. 2006; Caprioli

et al. 2008).

Note that, throughout this work, we consider a uni-

form ambient magnetic field equal to that of the ISM:

B0 = 3µG. While this value may not hold in a stellar

wind, changing B0 has negligible impact on Emax, since

the ordered magnetic field is not responsible for confin-

ing particles and the turbulent field amplified via the

non-resonant instability does not depend on B0.

2.4. The Maximum Energy

As mentioned in Section 2.2, the maximum energy

accelerated at any given time (i.e., the instantaneous

Emax) is set by equating the diffusion length of protons

with energy E = Emax with the size of the acceleration

region, taken to be 10% the radius of the SNR, Rsh,

(roughly the extent of the swept-up ambient material be-

hind the shock). Thus, we have D(Emax)/vsh = 0.1Rsh.

Assuming Bohm diffusion (e.g., Caprioli & Spitkovsky

2014a), we obtain, Emax ∝ B2vshRsh, which is equiva-

lent to the age-limited scaling relation derived in Section

2.1. Combined with our prescription for magnetic field

amplification in the case that non-resonant instability

dominates, this scaling relation becomes,

Emax ∝ n1/2
ISMv

5/2
sh Rsh, (5)

assuming that the CR pressure is a fixed fraction of the

ram pressure, ∝ nISMv
2
sh.

More specifically, when solving the transport equa-

tion for nonthermal particles, we require the distribution

function to vanish at a distance 0.1Rsh upstream of the

shock, mimicking the presence of a free-escape boundary

beyond which particles cannot diffuse back to the shock

(see Caprioli et al. 2010b, for a detailed discussion). The

instantaneous escape flux is also calculated as the flux

of particles crossing this boundary.

After adding together the weighted instantaneous pro-

ton spectra as described in Section 2.2, we approximate

the cumulative Emax as the energy associated with the

maximum of the cumulative escape flux. This energy is

roughly equal to the energy at which the proton distri-

bution drops by one e-fold (Caprioli et al. 2009a).

3. RESULTS

Cumulative proton spectra from our benchmark SNR

are shown in Figure 1 with the left (right) column cor-

responding to the case in which diffusing (escaping)

particles drive magnetic field amplification. The top

and bottom rows correspond to expansion into a typ-

ical uniform medium (nISM = 1 cm−3) and wind pro-

file (nISM = 3.5(R/pc)−2 cm−3), respectively. In these

cases, Emax reaches PeV energies only under select con-

ditions. Namely, SNRs can only be PeVatrons under the

optimistic assumption that escaping particles drive mag-

netic field amplification and, even then, can only pro-

duce PeV particles for a brief period at roughly t ∼ 100

yr for the uniform case and prior to t ∼ 100 yr for the
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Figure 1. Cumulative spectra of accelerated protons produced by our benchmark SNR (ESN = 1051 erg, Mej = 1M�) at
different stages (denoted by line color) of shock evolution, assuming diffusing particles drive magnetic field amplification (left
column) or escaping particles drive magnetic field amplification (right column). The top row of spectra corresponds to a
uniform ambient medium of density of 1 cm−3, while the bottom row corresponds to a wind profile of density 3.5(R/pc)−2

cm−3. The maximum proton energy of each spectrum is denoted with a dashed vertical line. Typical SNRs can only ac-
celerate PeV particles if escaping CRs drive magnetic field amplification, and even then only at relatively early times (t ∼ 100 yr).

wind case. This result is broadly consistent with results

in the literature (e.g., Bell et al. 2013; Cristofari et al.

2021), which find that typical SNRs are not likely to be

PeVatrons.

Note that the spectra shown in Figure 1 are steeper

than the canonical Φ(E) ∝ E−2 predicted by standard

DSA (e.g., Bell 1978). This steepening arises from the

postcursor effect described in Section 2.2, and is consis-

tent with γ-ray observations of historical SNRs (e.g.,

Giordano et al. 2012; Archambault et al. 2017; Saha

et al. 2014).

A more detailed picture of the temporal evolution of

Emax can be found in Figure 2, which plots Emax as a

function of shock age. Bands span the range between our

limiting assumptions regarding the nature of magnetic

field amplification, with red (blue) corresponding to ex-

pansion into the uniform (wind) profiles used in Figure

1. As Figure 2 shows, the ambient medium strongly

impacts the temporal evolution of Emax, both because

the amplified magnetic field depends on nISM and, more

importantly, because the density profile regulates the

evolution of the shock radius and velocity.

More specifically, recalling Equation 5 for the instan-

taneous Emax along with the fact that, in a uniform

medium, Rsh ∝ t during the ejecta-dominated phase

and Rsh ∝ t2/5 during the Sedov-Taylor phase, we ap-

proximate,

Emax ∝

t t ≤ tST

t−3/5 t > tST.
(6)

Here, tST denotes the onset of the Sedov-Taylor phase.

For this reason, in a uniform medium, Emax reaches a

peak around t = tST.

Alternatively, in a wind profile, Rsh ∝ t2/3 during

the Sedov-Taylor phase. Also accounting for the depen-

dence of Emax on nISM (which in turn goes as R−2
sh ), we
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Figure 2. The maximum energy, Emax, accelerated by our
benchmark SNR as a function of time, expanding into a uni-
form medium (red band) and wind profile (blue band), as
in Figure 1. The widths of the bands correspond to uncer-
tainties in the nature of CR-driven magnetic field amplifica-
tion (i.e., the lower (upper) limit assumes diffusing (escaping)
particles drive amplification). Solid lines give the single-zone
Emax prediction put forth in (Bell et al. 2013). While this
prediction yields good agreement with our results at early
times, we predict a higher Emax at late times due to the
presence of old populations of particles accelerated when the
SNR was expanding more rapidly.

approximate,

Emax ∝

constant t ≤ tST

t−5/6 t > tST.
(7)

In other words, in a wind profile, Emax can only increase

at very early times when it is still limited by the finite

age of the system. Note that this period of increasing

Emax is much shorter than the evolutionary timescale of

an SNR, meaning that, for the vast majority of its life,

an SNR expanding into a wind profile exhibits a constant

or decreasing Emax. However, due to very high densities

at small radii, the highest value of Emax accelerated by

SNRs expanding into wind profiles tends to exceed that

accelerated by SNRs expanding into uniform media.

We also compare our Emax results to the calculation

presented in Bell et al. (2013), which sets Emax by re-

quiring that the current of escaping particles of energy

E = Emax be sufficient to produce strong magnetic field

amplification via the non-resonant streaming instability.

This approximation gives an instantaneous maximum

energy that scales similarly to the relations described in

the preceding paragraphs (see their Equation 6), and is

displayed as solid lines in Figure 2.

Note that while our results are in good agreement with

those of Bell et al. (2013) at early times, they diverge af-

ter t ∼ tST. This divergence also occurs when comparing

our results to the scaling relations shown in Equations

6 and 7, and arises from the fact that both Bell et al.

(2013) and Equations 6 and 7 consider only a single pop-

ulation of particles. However, in our multi-zone frame-

work, we account for the presence of old populations of

particles with an Emax that may differ from the maxi-

mum energy currently being accelerated by the shock.

As Equations 6 and 7 show, for t > tST, these old pop-

ulations have a larger Emax than the current instanta-

neous one, leading to a slowed decline of the cumulative

maximum energy. In other words, by considering the

overall evolution of the shock, we find that older shocks

may produce γ-ray signatures that point toward higher

Emax than would be predicted from a single-zone model.

Finally, we present Emax as a function of a more read-

ily observable parameter, vsh, in Figure 3, for a vari-

ety of modeled SNRs. As in Figure 1, the left (right)

column corresponds to the case in which diffusing (es-

caping) particles drive magnetic field amplification, and

the top (bottom) row corresponds to expansion in to

a uniform (wind) profile. However, we also consider

a wider range of shock parameters, as introduced in

Section 2.1: nISM ∈ [10−2, 102] cm−3 in the uniform

case and nISM ∈ [10−1, 10] × 3.5(R/pc)−2 cm−3 in the

wind case. We also consider SNRs with ESN = 1052 erg

and/or Mej = 5M� (wind case only).

As expected from Equations 6 and 7, faster shocks

have higher Emax, as do shocks expanding into denser

media, though this density dependence is mild (note

that the normalization of nISM is given by the color scale

in Figure 3). Thus, for shocks that have reached the

Sedov-Taylor stage, vsh—which is more easily inferred

from observations than age—serves as a good proxy for

Emax. However, this relationship breaks down for young,

ejecta-dominated SNRs, which have roughly constant

vsh and thus an Emax that is set by Rsh. This is es-
pecially true in the uniform case, in which Emax rises

prior to tST. To emphasize this issue, points in Figure

3 corresponding to t < tST are outlined in black.

Thus, the results shown in Figure 3 are best summa-

rized with an empirical relationship that includes vsh,

Rsh, and, to a lesser extent, nISM. We approximate this

relationship as,

Emax ' α
(
nISM

cm−3

) 1
2
(

vsh

103 km s−1

)2(
Rsh

pc

)
GeV (8)

where α = 7 × 102 if diffusing particles drive magnetic

field amplification and α = 1.5×104 if escaping particles

drive magnetic field amplification. Note that this ex-

pression retains the same scalings with Rsh and nISM as

Equation 5, but has a slightly weaker dependence on vsh

(Emax ∝ v2
sh instead of v

5/2
sh ). This weakened velocity de-
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Figure 3. Emax as a function of shock velocity, (vsh), for a variety of SNRs expanding into media of different ambient density
normalizations (color scales), assuming diffusing particles drive magnetic field amplification (left column) or escaping particles
drive magnetic field amplification (right column). The top row corresponds to expansion into uniform ambient media and, to be
broadly consistent with an SNR from a Type Ia SN, only considers our benchmark scenario. Meanwhile, to capture the wider
range of parameters associated with core-collapse SNe, the bottom row corresponds to expansion of SNRs into wind profiles
with ESN ∈ [1, 10] × 1051 erg and Mej ∈ [1, 5] M�. Outlined points denote SNRs that are still ejecta-dominated. For SNRs
expanding into wind profiles, evolutionary stage has little bearing on Emax such that vsh serves as a good predictor of its value
(modulo density normalization). On the other hand, for SNRs expanding into uniform media, vsh is only a good predictor of
Emax during the Sedov-Taylor phase.

pendence approximates the multi-zone effects described

previously, namely, that old populations of particles can

contribute to the cumulative Emax.

4. DISCUSSION

We will now discuss our results in the context of parti-

cle acceleration up to PeV energies, i.e., the approximate

energy of the CR “knee.”

4.1. SNRs as PeVatrons

As demonstrated in the preceding section, SNRs

can only accelerate PeV particles under select circum-

stances:

1. Escaping particles must drive magnetic field am-

plification.

2. The shock must be expanding relatively quickly

(vsh & 104 km s−1 for nISM = 1 cm−3).

3. In the absence of a fast shock (vsh & 104 km s−1),

the ambient number density must be � 1 cm−3.

These conditions are comparable to those presented in

the literature (e.g., Murase et al. 2011; Bell et al. 2013;

Cardillo et al. 2015; Marcowith et al. 2018; Cristofari

et al. 2020; Cristofari et al. 2021), which also find that

only a small subset of fast SNRs expanding into dense

media can be PeVatrons. Such stringent requirements

may explain the dearth of observed PeVatrons that can

be definitively associated with SNRs (e.g., Cao et al.

2021). However, in contrast to recent works in the liter-

ature that completely rule out SNRs as PeVatrons (e.g.,

Brose et al. 2022) we find that it is possible for SNRs to
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at least contribute to—though perhaps not saturate—

the CR knee.

That being said, the fact remains that typical histori-

cal SNRs are likely incapable of accelerating PeV parti-

cles, meaning that other astrophysical accelerators may

contribute to the CR spectrum at the knee. For ex-

ample, Aharonian et al. (2019) puts forward massive

star clusters as Galactic PeVatrons. In this picture,

shocks are still likely responsible for particle accelera-

tion, meaning that the formalism and scaling relations

presented in this work may be applicable.

4.2. Considerations for PeVatron Searches

A notable result from our work is the fact that SNRs

and other astrophysical shocks may exhibit γ-ray and

neutrino signatures of PeV particles after they are no

longer accelerating them. In this case, one might expect

to see ∼ 100 TeV γ-rays from SNRs approaching t ' 100

yr. Of course, the question remains whether such PeV

particles would remain confined and, if not, how far they

would propagate away from their accelerator.

After acceleration, a particle will remain confined

within an SNR provided that, downstream of the shock,

diffusion is insufficient to overcome advection (see, e.g.,

O’C. Drury 2010). In other words, we require that the

advection timescale, τadv ' Rsh/u2 (where u2 ' vsh/4

is the velocity of the downstream plasma in the frame of

the shock), be less than the diffusion timescale, τdiff '
R2

sh/D(E), i.e., we require D(E) < u2Rsh. This re-

quirement holds for all particles except those very close

to E = Emax, since D(Emax) ∼ Rshvsh. For shocks ex-

panding into uniform media, Rshvsh ∝ t−1/5 after tST,

meaning that confined particles will eventually escape,

but only after the shock has evolved for a long time. For

shocks expanding into wind profiles, Rshvsh ∝ t1/3 after

tST, meaning that initially-confined particles are likely

to remain so. In short, a shock that accelerates PeV

particles may be able to confine them even after it is no

longer capable of accelerating them.

Of course, D(E) may also grow with time if, for exam-

ple, magnetic turbulence is damped. However, even in

the case that PeV particles quickly escape their acceler-

ators, they may produce detectable γ-ray signatures in

the vicinity. Namely, taking the canonical diffusion coef-

ficient in our Galaxy, D(E) ' 3× 1028(E/GeV)1/3 cm2

s (i.e., the maximum possible value of D(E), see, e.g.,

Maurin et al. 2014), PeV particles will only diffuse ∼ 100

pc after ∼ 1000 yr. Moreover, in a uniform medium, the

γ-ray and neutrino luminosities due to proton-proton

collisions between these PeV particles and the ISM will

remain constant as the CRs diffuse away, albeit smaller

than it would have been had particles remained con-

103 104

vsh (km s 1)
10 4

10 3

10 2

L P
eV

/L
Ge

V

Escaping Particles Drive B-Field Amplification

10 1

100

101

102
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104

age (yr)

Figure 4. PeV to GeV proton luminosity ratio (LPeV/LGeV)
as a function of vsh for SNR PeVatron candidates (i.e., data
points from Figure 3 with Emax > 106 GeV). Shock age
is denoted with the color scale. Due to the postcursor ef-
fect (Diesing & Caprioli 2021, see text for details), faster
shocks—which are the best candidates to accelerate PeV
particles—likely produce steeper spectra, and thus exhibit
lower LPeV/LGeV. This effect is important for PeVatron
searches that select observational targets based on their γ-
ray luminosities at lower energies.

fined to the denser medium downstream of the shock.

The exact luminosity will depend on the fraction of par-

ticles that escape, along with the nature of the nearby

medium (e.g., the presence of molecular clouds, Aha-

ronian 2013). This consideration is especially impor-

tant for water-Cherenkov observatories such as LHASSO

and HAWC (and potentially the next generation of neu-

trino detectors, e.g., KM3NET, IceCube–Gen2, TRI-

DENT, P-One), which have comparatively lower resolu-

tions than atmospheric Cherenkov telescopes and thus

higher sensitivities to extended sources.

Finally, it is worth noting that the postcursor effect,
introduced in Section 2.2, has implications for PeVa-

tron searches with γ-ray observatories or neutrino detec-

tors, particularly those that select sources based on their

γ-ray luminosities at lower energies (e.g., Acero et al.

2023). Namely, in this paradigm, faster shocks, which

exhibit stronger amplified magnetic fields via the non-

resonant instability, are expected to have faster-drifting

magnetic fluctuations and thus steeper spectra. This

expectation is also consistent with observations of both

historical SNRs and young, extragalactic SNe (Diesing

& Caprioli 2021).

Thus, if fast shocks tend to accelerate CRs with

steeper spectra, the ostensible best candidates to be Pe-

Vatrons will have small CR luminosities at PeV energies

(LPeV) relative to their CR luminosities at, say, GeV en-

ergies (LGeV). And, since hadronic γ-ray and neutrino
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emissions have the same spectral slope as that of the

parent protons, this effect will be reproduced in observa-

tions. We summarize this effect in Figure 4, which shows

LPeV/LGeV as a function of vsh for all modeled SNRs

with Emax > 1 PeV. Note that, regardless of the slope of

the underlying particle population(s), γ-ray emission at

TeV energies is likely to be hadronic in origin, since the

maximum energy of leptons is limited by synchrotron

losses (Corso et al. 2023).

5. CONCLUSION

In summary, we placed constraints on the maximum

proton energy, Emax, accelerated by an arbitrary astro-

physical shock using a self-consistent, multi-zone model

of particle acceleration, including the dynamical back-

reaction of CRs on the shock as well as a prescription

for magnetic field amplification that brackets theoreti-

cal uncertainties. We presented our results in terms of

parameters that can be constrained observationally, in

particular the shock velocity (see Equation 8). We also

analyzed our results in the context of CR acceleration

to PeV energies and discussed considerations for obser-

vational PeVatron searches.

Consistent with results presented in the literature, we

find that typical historical SNRs cannot accelerate par-

ticles to PeV energies. However, young, fast SNRs ex-

panding into dense media can be PeVatrons if escaping

particles drive magnetic field amplification.

We also find that old populations of particles can con-

tribute to the cumulative spectrum accelerated by an

astrophysical shock. This implies that SNRs and other

cosmic accelerators may exhibit a higher Emax than they

are currently capable of accelerating or, equivalently,

that former PeVatrons may still produce & 100 TeV

γ-ray emission.

Finally, we note that, due to the drift of magnetic fluc-

tuations with the local Alfvén speed downstream of as-

trophysical shocks (the postcursor), fast shocks—which

are the best candidates to produce PeV particles—have

steeper spectra than their slower counterparts. In other

words, compared to a slower counterpart, a fast shock

will have a smaller PeV luminosity relative to its lumi-

nosity at lower energies. This consideration is important

for observational PeVatron searches that select targets

based on their GeV or TeV γ-ray luminosities.

These results serve as a reference to modelers seeking

to estimate Emax for an arbitrary astrophysical shock,

particularly in anticipation of the next generation of γ-

ray and neutrino telescopes (e.g., The Cherenkov Tele-

scope Array, IceCube–Gen2), which will better constrain

the source(s) of PeV CRs in the coming years (see, e.g.,

Acero et al. 2023; Sudoh & Beacom 2023).
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ABSTRACT

Ultracompact X-ray binaries (UCXBs) are a distinctive but elusive family of low-mass X-ray binaries (LMXBs) characterised by their
tight orbits and degenerate donor stars. Here we present UltraCompCAT, the first online and comprehensive catalogue of UCXBs.
The initial version of UltraCompCAT comprises 49 sources, including 20 ‘confirmed’ UCXBs (those with a measured orbital period
shorter than 80 min) and 25 systems that we label as ‘candidate’ based on their multi-wavelength phenomenology. For completeness,
we also include four LMXBs with orbital periods in the range of 80 to 120 min, since they might be related (e.g. close progenitors)
or even part of the UCXB population that evolved towards longer periods. We discuss the orbital period and Galactic distribution of
the catalogue’s sample. We provide evidence for the presence of at least two separate groups of UCXBs. One formed by persistent
systems with orbital periods shorter than 30 min and a second group of transient objects (70 %) with periods in the range of 40 to 60
min. We show that the former group is dominated by sources formed in globular clusters, while the latter accounts for the (known)
UCXB population in the Galactic field. We discuss the possible evolutionary channels for both groups.

Key words. Accretion, accretion disks – Stars: neutron – Stars: black holes – X-rays: binaries – catalogs

1. Introduction

Low-mass X-ray binaries (LMXBs) are stellar systems com-
posed of a black hole or a neutron star accreting material from a
Roche lobe filling low-mass (. 1 M�) companion, the donor star.
A few hundreds of these systems have been already discovered
in our galaxy (e.g. Liu et al. 2007), including both persistently
active X-ray sources and transient objects (e.g. Casares et al.
2017). However, thousands more are expected to exist, mainly as
transient objects with recurrence periods longer than ∼ 50 years,
the time scale sampled by X-ray astronomy (e.g. Corral-Santana
et al. 2016; Tetarenko et al. 2016; Bahramian & Degenaar 2022).

The orbital period (Porb) is arguably the most important pa-
rameter of a binary system. Among other things, it is a proxy
for its size, and thus the physical properties of its compo-
nents. Regardless of their persistent or transient nature, ‘clas-
sical’ LMXBs can be defined as those with hydrogen burning
donors. They have Porb in the range of 80 min to tens of days.
Periods shorter than ∼ 60–80 min imply hydrogen-poor com-
panions, which do not burn hydrogen in their cores and may
contain electron-degenerate matter (Paczynski & Sienkiewicz
1981; Rappaport et al. 1982). LMXBs harbouring this kind of
donors are known as ultra-compact X-ray binaries (UCXBs; see
also Solheim 2010, for similar compact binaries with WD accre-
tors). By hosting two ultra-dense objects in a close binary orbit,
UCXBs are expected to play a crucial role in the new era of grav-
itational wave astronomy, as they will be among the loudest per-
sistent sources (Nelemans 2018; Tauris 2018; Chen et al. 2021).
In addition, UCXBs are ideal targets to investigate and test some
fundamental stages of binary evolution, such as the common-

envelope phase, and are also unique laboratories to study ac-
cretion processes in hydrogen deficient environments (Nelemans
et al. 2009).

We can distinguish three main UCXB evolutionary channels
(see, e.g. Nelemans et al. 2010 for a more extended description):

(i) The white dwarf (WD) channel. In this scenario, the bi-
nary system is formed by a black-hole/neutron-star and a WD.
The loss of angular momentum driven by gravitational wave
emission shortens the binary period to a very compact configura-
tion. At some point (generally at Porb of a few minutes), the WD
overflows its Roche lobe and starts to transfer matter onto the
more massive compact object, giving rise to a persistent UCXB.
This also results in an expansion of the orbit. As Porb increases,
the mass transfer rate decreases, making the systems less lumi-
nous. The UCXB eventually becomes a transient source as the
accretion disc becomes not fully ionised and no longer stable
(Yungelson et al. 2002; Sengar et al. 2017; van Haaften et al.
2012b).

(ii) The helium star channel. The companion star is a low-
mass helium star, which is still burning helium in its core at the
time of filling its Roche lobe. Mass transfer occurs as the orbit
shrinks due to angular momentum loss via gravitational wave
emission. A minimum Porb is reached (∼10-60 min), when the
helium core of the. 0.2 M� donor becomes semi-degenerate and
its mass-radius relation inverts. This makes the companion star
radius to increase with further mass loss (Savonije et al. 1986;
Iben & Tutukov 1987; Yungelson 2008; Nelemans et al. 2010).
At this point, the orbit evolution reverses and the system expands
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as gravitational wave radiation can not counteract the effect of
mass transfer.

(iii) The evolved main-sequence star channel. The donor star
is an evolved main-sequence star that started mass transfer near
or just after the point of central hydrogen exhaustion. The or-
bit shrinks due to angular momentum loss via gravitational wave
emission and magnetic braking, reaching orbital periods as short
as ∼ 10 min. Then, the growing helium core becomes semi-
degenerate and the system follows a similar path to that of the
helium channel (e.g. Tutukov et al. 1985; Nelson et al. 1986;
Nelson & Rappaport 2003; Podsiadlowski et al. 2002; Sengar
et al. 2017).

Interestingly, the final outcome of the above three channels
is the same: an UCXB with a WD donor that is evolving to-
wards longer orbital periods. The binary expansion is driven by
conservation of angular momentum, as the less massive star (the
WD) transfers mass to a heavier object. This slow evolutionary
process could, in principle, increase Porb up to ∼ 120 min in a
Hubble time (van Haaften et al. 2012b; Van Haaften et al. 2012).
Thus, while Porb. 80 min is a common observational diagnostic
to separate UCXBs from the classic LMXB population (see e.g.
Nelemans & Jonker 2010 and Heinke et al. 2013 for previous
compilations of UCXBs), the former class might also include
very old members with Porb up to 2 hours. These ‘long-period’
UCXBs are, however, difficult to detect because of their much
lower accretion rates and luminosities.

Globular clusters (GCs) have been proposed to host a sig-
nificant fraction of the UCXB population. The LMXB forma-
tion rate (per unit mass) in GCs is a hundred times higher than
in the Galactic field (assuming that GCs account for ∼ 0.01%
of the Galactic stellar mass; Katz 1975). This overabundance is
thought to be due to the fact that LMXB formation in GCs is
strongly enhanced by dynamical encounters, such as tidal cap-
tures, direct collisions and exchange interactions (Fabian et al.
1975; Hills 1976; Verbunt 1987; Rasio et al. 2000; Ivanova et al.
2005). As a consequence, the populations of UCXBs formed in
GCs through each of the above evolutionary pathways may be
different from those in the Galactic field. Therefore, the prop-
erties of the current (i.e. observable) populations of UCXBs in
GCs and the Galactic field can be significantly different (e.g. dis-
tribution of Porb; Zurek et al. 2009; Heinke et al. 2013).

Measuring Porb in UCXB systems is often difficult because
of the short time-scales and low luminosities involved. Thereby,
the UCXB classification sometimes relies on a number of addi-
tional observational properties. The most direct ones, albeit not
necessarily the most robust, are based on inferring the degen-
erate nature of the donor star from the chemical composition
of the accreted material. These include: (i) the lack of hydro-
gen features in the optical spectra (Hernández Santisteban et al.
2019a; Armas Padilla et al. 2020; Stoop et al. 2021) together
with the presence of helium and metallic lines (e.g. nitrogen and
carbon; Nelemans et al. 2004; see also Homer et al. 2002; Tu-
dor et al. 2018 for UV examples); (ii) the presence of X-ray
features attributed to overabundances (i.e., non-solar composi-
tion) in the accreted material or the local interstellar medium
(Schulz et al. 2001; Juett et al. 2001; Krauss et al. 2007, but see
Juett & Chakrabarty 2005) and enhanced fluorescent lines (e.g.
O viii Lyα) due to X-ray reprocessing in an oxygen-rich accre-
tion disc (see e.g. Madej et al. 2010; Schulz et al. 2010); (iii) the
properties of thermonuclear bursts, such as duration, recurrence
time and radiated energy, which can provide hints on the com-
position of the accreted fuel (e.g. Cumming 2003; Falanga et al.
2008; Galloway et al. 2020). Additional diagnostics for identify-
ing UCXBs are related to the small size of their accretion discs.

Fig. 1. Cumulative histogram of ultra-compact and short orbital period
LMXBs detected since the beginning of the X-ray astronomy era. The
black bars represent the confirmed UCXBs.

First, UCXBs can be persistent sources at low X-ray luminosi-
ties (LX

pers . 1036erg s−1) since smaller accretion discs can be
entirely ionised at lower accretion rates (Lasota 2001; in ’t Zand
et al. 2007). Secondly, given that the region of the disc emitting
in the optical (via X-ray reprocessing) is also smaller, UCXBs
show very low optical–to–X-ray flux ratios (van Paradijs & Mc-
Clintock 1994).

In this paper, we present a comprehensive catalogue of
UCXBs, which we name UltraCompCAT, and is available on-
line1. Given the overall importance and very distinct features of
the UCXB family, the main goal of this catalogue is to keep
a complete and updated compilation of the current and future
members of this LMXB subgroup, together with their observa-
tional properties. UltraCompCAT includes systems with a mea-
sured Porb shorter than 120 min and those without a solid Porb
measurement, but which exhibit some of the UCXB-related fea-
tures described above. The first version of the catalogue includes
49 LMXBs and is presented in section 2. The most direct results
derived from this compilation are presented in section 3 and dis-
cussed in section 4.

2. The Catalogue

2.1. The Sample

We have searched the literature, collecting sources that can be
divided in three main categories: ultra-compact, ultra-compact
candidates and short orbital period LMXBs:

Ultra-compact X-ray binaries (UCXBs). These are LMXBs
with orbital periods shorter than ∼80 min. This category includes

1https://research.iac.es/proyecto/compactos/
UltraCompCAT/
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both, LMXBs with confirmed orbital period determinations (e.g.
derived from Doppler shifts in X-ray pulsars) and systems for
which strong constraints, such as those inferred from periodic
flux modulations, are available. The latter group might include
systems where the orbital period is not known with high preci-
sion, as modulations often reflect periodicities that may deviate
slightly from the orbital period (e.g. those resulting from super-
humps are a few percent longer than Porb). A good example is
4U 0614+091, for which Shahbaz et al. (2008) reported a clear
modulation and several candidate periods in the range of ∼ 40 –
60 min, the strongest being ∼ 51 min. Other authors (e.g., Nele-
mans et al. 2006; Hakala et al. 2011; Zhang et al. 2012) have
confirmed the presence of this modulation, reporting slightly
different periods within the same range. Thus, while a precise
value is still missing, we believe that the UCXB classification
for this source is robust. Another example (albeit less extreme)
is 4U 1820-303 for which clear X-ray and UV modulations at
11.41 and 11.5 min, respectively, have been found (Stella et al.
1987 and Wang & Chakrabarty 2010). This group currently in-
cludes 20 systems.

Ultra-compact X-ray binary candidates. LMXBs with sugges-
tive UCXB properties (see above) are labelled as "candidates"
(cUCXBs in Tables B.1, B.2 and B.3). These systems might
(or might not) have weak or contradictory constraints on the or-
bital period. This category currently counts 25 systems, includ-
ing one object with no particularly suggestive UCXB properties
but a proposed orbital period shorter than 80 min (NGC 6652 B,
43 min; Deutsch et al. 2000). We have also included in this cat-
egory 4U 1728−34, which has a suggested Porb of 10.7 min (3σ
detection of an X-ray periodic signal) and thermonuclear bursts
characteristic of hydrogen-poor fuel (Galloway et al. 2010). Al-
ternatively, the observation of an infrared counterpart to a ther-
monuclear Type I X-ray burst points to Porb>1 hour (Vincentelli
et al. 2020).

Short period LMXBs. This category is equivalent to that of
UCXBs but for systems with Porb in the range of ∼ 80–120 min
(spLMXBs in Tables B.1, B.2 and B.3). The reason for having
this category, currently including four sources, is twofold: (i) to
retain old UCXBs that currently evolve towards long Porb> 80
min and (ii) include also close progenitors of UCXBs via the
helium star and evolved main-sequence star channels (see e.g.
van Haaften et al. 2012a; Armas Padilla et al. 2022). We ac-
knowledge that our choice for the Porb interval for this category
is somewhat arbitrary. However, it should be mentioned that the
LMXB with the shortest known orbital period not included in Ul-
traCompCAT is SAX J1808.4-3658 with Porb=120.82 min. This
is a very well studied source with observational properties that
do not match those of UCXBs (e.g., it shows a classic hydrogen-
rich optical spectrum; Cornelisse et al. 2009).

2.2. UltraCompCAT

The full catalogue is available online1 and has been built accord-
ing to the criteria described here.

Table B.1 presents the basic astrometric properties. The col-
umn distribution is as follows:

(1) ID number;
(2) Year of discovery;
(3) Source type: UCXB for confirmed UCXBs, cUCXB for can-

didate UCXBs, and spLMXB for short period LMXBs;

(4) Preferred name of the system (GC if located in one);
(5-7) Right ascension (RA) and declination (Dec) in equinox

J2000. The accuracy in the astrometry and source of the co-
ordinates are also reported;

(8-9) Galactic longitude (`) and latitude (b) in degrees;
(10-11) Estimated distance (d) and height above the Galac-

tic plane (z) in kpc. We use the notation (H) and (He)
for distances estimated using thermonuclear burst, assuming
hydrogen-rich and pure helium, respectively. (G) distances
from Gaia parallaxes. For systems located in GCs, we report
the distance to their host GC (see Sect. 3.1);

(12) References for the above parameters.

Table B.2 summarizes the main properties for all the systems
presented in Table B.1. The column distribution is:

(1) ID number;
(2) Source type: UCXB for confirmed UCXBs, cUCXB for can-

didate UCXBs, and spLMXB for short period LMXBs;
(3) Preferred name of the system (GC if located in one);
(4) Type of accretion, persistent (P) or transient (T). LO is speci-

fied for those transients with very long outbursts, and QP for
persistent systems with very short period of inactivity (see
Sect. 3);

(5) Confirmed nature of the accretor, black hole (BH) or neutron
star (NS). If the NS is an accreting X-ray millisecond pulsar,
AMXP is added;

(6) Reported Porb in min;
(7) Unabsorbed peak X-ray flux in erg cm−2 s−1, standardised to

the 2–10 keV band. To do so, we begin with the X-ray flux
that has been published in the literature. We assume a power-
law spectrum with a photon index Γ = 2 (Belloni et al. 2011)
and the published total neutral Galactic Hydrogen column
density (NH), derived from direct X-ray spectral analysis (re-
ported in column 9);

(8) Peak optical or IR apparent magnitude (and quiescence [q],
if the system is transient). To document the original observed
band, we provide its name in its original photometric system;

(9) Total neutral Galactic Hydrogen column density (NH), pub-
lished in literature derived from direct X-ray spectral analy-
sis;

(10) Optical Galactic extinction E(B − V) reported in the litera-
ture for host GCs;

(11) References for the above parameters

Table B.3 shows the main multi-wavelength phenomenology
supporting short orbital periods for the systems presented in Ta-
ble B.1. The column distribution is:

(1) ID number;
(2) Source type: UCXB for confirmed UCXBs, cUCXB for can-

didate UCXBs, and spLMXB for short period LMXBs;
(3) Preferred name of the system (GC if located in one);
(4-6) Detection of bursts and their types: short/normal burst

(short-B), intermediate long burst (IB) or superburst (SB);
(7-9) Spectral information, in the X-ray, optical, and UV bands;
(10-11) Small accretion disc size indirect diagnostic properties:

Lo/LX<<, for systems with low optical–to–X-ray luminosity
ratio, and LX

Pers <<, for systems persistently accreting at
very low X-ray luminosities;

(12) References for the above parameters.

Article number, page 3 of 18



A&A proofs: manuscript no. UltraCompCAT

Fig. 2. Top: Galactic distribution of the 20 confirmed UCXBs (yellow), 25 candidates (orange) and four short-period LMXBs (green) in Galactic
coordinates. Systems located in GCs are marked with stars rather than circles. [Background image credit: ESA/Gaia/DPAC]. Bottom: Histogram
of the distribution of UCXBs in Galactic longitude (left) and latitude (right). Blue is used for all systems (field + GC), and green for those located
in GCs. A bin size of 10 deg has been applied in both plots.

3. Results

UltraCompCAT currently includes 49 systems. A dozen of them
were discovered at the dawn of the X-ray astronomy in the
1970’s. This number has steadily increased as new and more
sensitive X-ray facilities were launched, such as the ROSAT ob-
servatory in 1990, which was followed by Chandra and XMM-
Newton missions in 1999 (see Fig. 1). It took 10 years for the first
UCXB to be confirmed with the measurement of Porb=41.5 min
in 4U 1626-67 using optical pulsations (Middleditch et al. 1981).
The number of confirmed UCXBs increased significantly with
the launch of missions with enhanced timing capabilities, such
as RXTE (1996) and, more recently, NICER (2017). This led to
the discovery of accreting millisecond X-ray pulsars (AMXPs;

Wijnands & Van Der Klis 1998; Chakrabarty & Morgan 1998),
whose orbital periods can be efficiently measured with these
facilities. To date, AMXPs account for half of the confirmed
UCXB population (10 out of 20; see Table B.2). In addition,
there are two other AMXPs in our sample that belong to the short
period LMXB category (i.e., Porb in the range of 80 to 120 min).

Looking at the long-term behaviour, we find that 22 systems
are transient (with five of them experiencing several years long
outbursts), while the remaining 27 systems are persistent. The
latter group includes four systems that can be classified as quasi-
persistent, that is, sources that are active, but sporadically switch
into short periods of low luminosity. An illustrative example is
AX J1754.2-2754, which has always been observed in active
state, except for one occasion, when it was not detected for a
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Fig. 3. Galactic distribution of UCXBs and short-period LMXB sys-
tems with estimated distances following the same colours and sym-
bols as in Fig. 2 [Background image credit: NASA/JPL-Caltech/R. Hurt
(SSC/Caltech)]

Fig. 4. Top panel: Histogram of the orbital period of UCXBs and short-
period LMXB systems, plotted in 10 min bins (grey) and 5 min bins
[blue for all (field + GC) systems and green for those located in GCs].
The canonical 80 min that defines bona fide UCXBs limit is shown in a
dotted black line. Lower panel: Percentage of systems accreting persis-
tently.

brief period of time (.11 months; Bassa et al. 2008; Jonker &
Keek 2008; Degenaar et al. 2012b).

The accretor is a NS in the vast majority of the systems (45
out of 49). This is known through the detection of thermonuclear
bursts and/or pulsations, with 36 sources showing the former
events. In particular, 18 sources have displayed intermediate-
long bursts and four superbursts, with only two targets show-
ing different burst durations compatible with the three cate-
gories (short, intermediate-long and superburst): 4U 0614+091
and SLX 1735-269 (see Table B.3). Finally, two of the tar-
gets that have not displayed NS signatures have been instead
proposed to harbour BHs through indirect evidence. This is
based on their position in the X-ray/radio, optical/X-ray and X-
ray/photon-index planes (47 Tuc X-9; Miller-Jones et al. 2015
and IGR J17285−2922; Stoop et al. 2021).

3.1. Galactic distribution

The Galactic distribution of our sample is represented in Fig. 2.
More than half of them (26 out of the 49), are located in the
central 20 deg in longitude (the Galactic bulge). The density of
sources decreases drastically as we move away from the centre,
with only a few targets scattered between 300 and 180 deg, and
none between 70 and 180 deg (see also Fig. 3). In the same way,
UCXBs and candidates are concentrated in the Galactic plane,
with 94% of them comprised between -20 and 20 deg (77% be-
tween -10 and 10 deg; see Fig. 2).

In Fig. 3 we plot the objects with their estimated distances
projected onto a face-on view of the Milky Way. About 35% of
the sources are located within 8 kpc of the Sun, 50% between
8 and 10 kpc, and only 10% beyond 10 kpc (see also the dis-
tribution of distances in Fig. A.1). We note that these numbers
have to be taken with caution, since some distances are not well
constrained. Half of the distances are derived from thermonu-
clear bursts assuming Eddington limit luminosity peaks. Here,
we used helium fuel distances for the UCXBs and candidates,
and hydrogen for the four short period LMXBs (i.e. we do not
assume their UCXB nature). In addition, we note that the peak at
8–10 kpc includes nine systems, whose distances were assumed
to be ∼ 8 kpc (∼ 10 kpc in one case) based on their coordinates
(i.e. consistent with the Galactic Centre) and neutral hydrogen
equivalent column densities. For those systems located in GCs,
we used the distance to the host GC. We used (meaningful) dis-
tances from Gaia parallaxes when the Gaia (candidate) coun-
terpart was positively cross-matched to that of our X-ray binary
system (e.g., those listed in the work of Arnason et al. 2021).

A total of 11 sources are located in GCs, eight confirmed
UCXBs and three candidates (represented by yellow and orange
stars, respectively, in Fig. 2 and 3). Most of them correspond to
those systems scattered away from the Galactic Bulge and Plane
(see Fig. 2). Attending to their long-term variability, six of the
sources are persistent systems (five in the case of the confirmed
UCXBs; see Table B.2).

3.2. Orbital period distribution

The orbital period is known for 24 out of the 49 sources included
in the catalogue. Fig. 4 (top panel) shows the Porb distribution
using bins of 5 and 10 min. The sources are grouped in two pop-
ulations: one with Porb between 10 and 40 min (8 sources; peak-
ing at ∼ 20 min), and a second group with Porb between 40 and
60 min (10 sources; peaking at 45 min). Only three systems are
scattered within the range of 60 to 85 min, while none is found
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between 85 and 110 min. From there, the number of sources is
observed to increase again, a trend that is known to be followed
by classical LMXBs beyond the 120 min limit of UltraComp-
CAT (see e.g., Bahramian & Degenaar 2022). It is worth noting
that the ratio between the GC and field UCXB populations is
very different in the two main peaks. While the 20-min group
is dominated by systems in GCs (5 out of 8), the 45-min peak
only includes three (out of 10), and thus is dominated by UCXBs
formed in the field (i.e. Galactic Plane and Bulge).

The lower panel in Fig. 4 provides the percentage of systems
that are persistent for each 5-min Porb bin. The objects within
the ∼20 min peak are all persistent. As a matter of fact, every
UCXB below 40 min is persistent. This drops sharply to below
∼50% for Porb > 40 min, and then to zero for systems with Porb
longer than 60 min. This number increases again to ∼60% for
systems with Porb longer than 110 min.

Out of the eight GC sources with a Porb measurement, five
are persistent (those with Porb < 40 min), while the remaining
three sources of the 45-min group are transient. In the case of the
16 field systems, half of them are persistent: the three systems
with Porb < 40 min, three out of the seven systems in the 45-min
peak, and two short-period LMXBs (with Porb∼110 min).

4. Discussion

UCXBs are a distinctive subset of the LMXB family. In the past,
this has given rise to several compilations that list its members
and basic characteristics (e.g. in ’t Zand et al. 2007; Nelemans
& Jonker 2010; van Haaften et al. 2012a; Heinke et al. 2013). In
this paper, we have taken another step forward by creating Ul-
traCompCAT. The UCXB properties compiled in the catalogue
have allowed us to discuss their orbital period distribution, which
is key to understand their origin and evolution, as well as their
Galactic distribution.

4.1. UltraCompCAT: present and future

UltraCompCAT is the first comprehensive catalogue of ultra-
compact and short orbital period X-ray binaries. It is available
online and includes 49 sources, whose (known) properties have
been carefully revised and listed. Among the hundreds of re-
ported LMXBs, both transient and persistent, we have selected
those with Porb or spectral properties compatible with the UCXB
family. This has been done by thoroughly searching in the litera-
ture, aiming at providing accurate information that can be used in
UCXB research. We cannot be totally certain that all the sources
included in UltraCompCAT are bona fide UCXBs. First, we have
extended the sample to systems with Porb > 80 min, that we re-
fer to as short-period LMXBs. We find it is important to include
this category since: (i) the UCXB nature of a given LMXB is not
strictly defined by Porb, but by the nature of the donor. Systems
with Porb > 80 min may in fact be UCXBs that have evolved past
the minimum Porb; (ii) even if they are not UCXBs, this subset
of LMXBs can be useful for UCXB studies (since they might
be UCXB progenitors; e.g. Armas Padilla et al. 2022). In any
case, only four out of the 49 systems belong to this Porb range.
Secondly, we decided to follow an inclusive approach by build-
ing the UCXB-candidates group, although it could be the case
that new Porb measurements end up disproving the UCXB na-
ture of some of the current members. However, previous studies
have shown that a significant fraction of the candidates are even-
tually confirmed (e.g. Zurek et al. 2009; Zhong & Wang 2011;
Strohmayer et al. 2018a).

Likewise, UltraCompCAT is necessarily affected by obser-
vational biases related to the instrumentation employed, cadence
and completeness. Besides the ample theoretical support behind
the idea that the vast majority of the Galactic UCXBs are yet to
be discovered, it is also possible that some known LMXBs are
unclassified UCXBs. Similarly, there is a large number of faint,
unclassified X-ray sources detected by the most sensitive X-ray
surveys (e.g. Webb et al. 2020; Bahramian et al. 2021). While
the dominant population is expected to be (magnetic) accreting
WDs, the large number of Galactic UCXBs predicted to exist by
theoretical studies (Belczynski & Taam 2004; van Haaften et al.
2013) suggest the UCXB nature of some of these faint sources.

Despite the above biases, UltraCompCAT represents the cur-
rent observational view of UCXBs, and the most complete ever
compiled. UltraCompCAT will be continuously updated, grow-
ing in size as more systems are discovered and characterised, and
more orbital periods are measured.

4.2. On the different populations of UCXBs

The Galactic distribution of UCXBs (see Fig. 2) shows an ac-
cumulation of objects in the Galactic bulge (although several
distances are not well constrained) and along the disc plane,
with only a few scattered sources placed further away (located
mostly in GCs). This is in agreement with UCXBs being mostly
Population-II stars (Tauris & van den Heuvel 2006). About a
quarter of our sources are located in GCs: eight of the 20 con-
firmed UCXBs and three of the candidates. This is not unex-
pected since UCXBs are predicted to be overproduced in these
dense conglomerations of stars via dynamical collisions. As a
matter of fact, UCXBs formed in GCs have even been suggested
to be one of the dominant populations of X-ray binaries (Verbunt
1987; Bildsten & Deloye 2004; Ivanova et al. 2008).

The histogram representing the Porb distribution (Fig. 4)
shows three main groups, which might be related to different
UCXBs populations. One group with Porb∼ 20 min (10 to 40
min), a second one with Porb∼ 45 min (40 to 60 min), and a
third, less populated, with periods longer than 110 min. Accord-
ing to binary synthesis models, the population of UCXBs in the
Galaxy is expected to be ∼ 0.1 − 1 × 105. Most of them are
predicted to have already evolved to Porb longer than ∼60 min,
and thus characterised by low accretion rates. Taking this into
account, together with the disc instability model, only a few tens
of UCXBs are expected to have shown activity during the X-ray
astronomy era (Zhu et al. 2012; Belczynski & Taam 2004). How-
ever, systems formed in GCs via dynamical interactions (i.e. at
any time) may modify this picture.

van Haaften et al. (2013) explored the formation of UCXBs
in the Galactic bulge (i.e. the oldest Galactic field population).
They predict a peak of sources below 30 min dominated by per-
sistent systems formed through the WD channel, most of them
with He or C/O WD donors. Contrastingly, the helium burning
channel is expected to contribute (at most) with a few transients
with longer Porb (60–80 min). Hence, the observed 20-min peak
formed by persistent systems (Fig. 4) could in principle be as-
sociated with the WD channel. However, Fig. 4 shows that it is
dominated by GC systems (75 %), while very short Porb (. 40
min) UCXBs formed in the field are scarce. The histogram also
includes three transient field UCXBs with Porb in the range of 60-
80 min, that could be identified with the helium burning channel
according to van Haaften et al. (2013), but this work does not
specifically account for the observed peak at 40–60 min.

In a different study, Zhu et al. (2012) predict that sys-
tems formed via the helium star channel in the Galactic field
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might be observed over a wider range in Porb (between ∼ 1 −
80 min), peaking at ∼40 min. These systems would be persis-
tent, while the observed 40–60 min population is mostly tran-
sient. In this model, transient UCXBs would have longer pe-
riods (33<Porb<130 min), but only a few (i.e. many less than
persistent ones) would be detected. This does not seem to be
consistent with the current (i.e. observed) Galactic field popula-
tions, in which half of UCXBs are transient sources. The evolved
main-sequence star channel is predicted to produce a much lower
number of UCXBs (e.g., only 0.3 % according to van Haaften
et al. 2013), and thus its contribution to the observable popula-
tion should be negligible.

In general, UCXBs population synthesis models, which are
mostly focused on systems in the Galactic field, predict that the
vast majority of the sources should have evolved towards rela-
tively long orbital periods. Therefore, they would be transients
characterised by low accretion rates (and thus long recurrence
times). However, our study shows that the transient UCXB pop-
ulation (i.e. those that have displayed at least one outburst in ∼
60 years) is not as low as predicted. As a matter of fact, tran-
sients account for almost half of the sample (22 out of 49 sys-
tems, 9 out of the 20 confirmed UCXBs). This becomes even
more striking if we only consider UCXBs in the Galactic field
(19 persistent and 19 transients). On the other hand, the popula-
tion of UCXBs and candidates in GCs is formed by 11 sources,
most of them persistent with Porb < 30 min (five out of the eight
with a Porb measurement). In fact, there is a dearth of (longer
period) transients formed in GCs. This might be consistent with
most of them being produced by the WD evolutionary channel,
as suggested in Heinke et al. (2013).

To elucidate the evolutionary channel of a given UCXB
based on observational constraints is challenging. Optical, X-ray
and UV spectroscopy, together with the properties of type I X-
ray bursts can be used to infer the abundances of the accreted ma-
terial. For instance, Cumming (2003) propose that 4U 1820−303
has a helium rich companion based on its type I X-ray bursts.
However, tight constraints on more than one element would be
required to single out the evolutionary channel (see e.g. Nele-
mans et al. 2010). In addition, one might also consider the ob-
served accretion rate (i.e. luminosity) for a given Porb together
with the disc instability model (i.e. persistent or transient be-
haviour). Based on this, the three persistent systems of the 45-
min group may have formed through the helium star channel
(Nelemans et al. 2010; Heinke et al. 2013). Nevertheless, its
worth noting that there are several cases where it is difficult to
reconcile all the above into a single picture (e.g. 4U 0614+091
and 2S 0918-549; see e.g. Kuulkers et al. 2010; Heinke et al.
2013; Armas Padilla et al. 2020).

5. Conclusions

We have presented the first comprehensive catalogue of ultra-
compact and short orbital period X-ray binaries, which currently
includes 49 sources. This compilation is available online1 and in-
cludes a carefully revised collection of observational properties
for each source. UltraCompCAT will grow as more systems are
discovered and more orbital periods are measured. Thus, we ex-
pect that it will become a powerful tool for the study of this key
subgroup of LMXBs, particularly in the new era of gravitational
wave astrophysics, since UCXBs are expected to be among the
loudest persistent sources. We have shown that the orbital period
distribution of the current sample presents two main groups. One
mainly formed by persistent systems in GCs with orbital peri-
ods shorter than 30 min, and a second one with transient objects

(70 %), periods in the range of 40 to 60 min, and dominated
by UCXBs in the Galactic field. These two groups might be the
result of two different evolutionary channels that dominate in
the GC and field populations. Future observations of known and
newly discovered UCXBs will allow UltraCompCAT to grow
and hopefully shed light on these open problems.
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Appendix A: Histogram

Fig. A.1. Histogram of the distribution of all the objects with known distances (left) and their scale height (z) from the Galactic plane (right).
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The gravitational wave (GW) and neutrino signals from core-collapse supernovae (CCSNe) are
expected to carry pronounced imprints of the standing accretion shock instability (SASI). We inves-
tigate whether the correlation between the SASI signatures in the GW and neutrino signals could
be exploited to enhance the detection efficiency of GWs. We rely on a benchmark full-scale three-
dimensional CCSN simulation with zero-age main sequence mass of 27 M�. Two search strategies
are explored: 1. the inference of the SASI frequency range and/or time window from the neutrino
event rate detectable at the IceCube Neutrino Observatory; 2. the use of the neutrino event rate to
build a matched filter template. We find that incorporating information from the SASI modulations
of the IceCube neutrino event rate can increase the detection efficiency compared to standard GW
excess energy searches up to 30% for nearby CCSNe. However, we do not find significant improve-
ments in the overall GW detection efficiency for CCSNe more distant than 1.5 kpc. We demonstrate
that the matched filter approach performs better than the unmodeled search method, which relies on
a frequency bandpass inferred from the neutrino signal. The improved detection efficiency provided
by our matched filter method calls for additional work to outline the best strategy for the first GW
detection from CCSNe.

I. INTRODUCTION

The collapse of massive stars (with mass between 8 M�
and 100 M�) leads to copious production of neutri-
nos as well as gravitational waves (GWs). By the end
of their lives, these stars have developed an iron core,
whose mass is close to the Chandrasekhar mass limit.
When the pressure of relativistic degenerate electrons
can no longer balance gravity, the core collapses. The
collapse continues until the inner core reaches nuclear
densities, the repulsive forces between nuclei stabilizes
the inner core which forms a proto-neutron star (PNS).
The, still infalling, outer core rebounds off the newly
formed PNS and a shock wave is launched. The shock
travels through the innfalling material, but energy loss
from photo-dissociation of iron nuclei and neutrino cool-
ing causes the shock to halt after reaching a radius of
around 150 km [1–3]. According to the neutrino-driven
mechanism, the stalled shock is revitalized through neu-
trinos streaming away from the PNS. Neutrinos deposit
energy in the medium behind the shock, enabling the
core-collapse supernova (CCSN) explosion [4]. The shock
wave propagate through the collapsing star, unbinding
and ejecting the outer layers. If the neutrino energy de-
position is insufficient then the shock wave is not revived
and the infalling material continues to accrete through
the shock wave. As a result, the mass of the central com-
pact object continues to increase and eventually leading
to black hole formation [5, 6]. The time between the re-
coil of the core and the revitalization of the shock/black

hole formation is referred to as the post-bounce phase.
It is expected that most of the GW emission is emitted
during this time. During the accretion phase, large-scale
convective motions behind the shock and the standing
accretion shock instability (SASI) [7–9] can enhance the
energy transfer to the medium, imprinting characteristic
signatures on the neutrino and GW signals [6, 10–19].

The numerical simulation of the core-collapse scenario
is an arduous computational task [2]. In addition, the
physics of the core collapse is still affected by several
uncertainties [2, 3, 20–24]. Given their complex nature,
hydrodynamical instabilities manifest differently in the
existing set of CCSN simulations, with related implica-
tions on the expected neutrino and GW signals. Unlike
the compact binary merger scenario, there is no univo-
cal correlation between the properties of the progenitor
star and the resulting GW waveforms. The absence of
correlation and our lack of conceptual understanding of
some of the aspects linked to the development of hydro-
dynamical instabilities present a challenge in accurately
predicting the GW waveforms from CCSN.

Recent multi-dimensional simulations of CCSNe ex-
hibit distinctive GW signal features that are correlated
with the post-bounce hydrodynamic activity, such as
oscillations of the PNS and the SASI [14, 15, 25–34].
The GW waveforms display stochastic behavior, which
arises from the complex hydrodynamical physics that
occur during the post-bounce phase. However, simula-
tions from all groups show common features in the time-
frequency domain. The most noticeable is characterized
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by a frequency that rises from roughly 100 Hz to a few
kHz (at most) and lasts for 0.5–1 s. This feature is
interpreted as a gravity mode (g-mode) that is contin-
uously excited in the PNS [14, 26, 27, 35–39]. Addi-
tionally, Refs. [14, 27, 37] have related the presence of a
low-frequency (≈ 100 Hz) component in the GW signal
characteristic frequency of SASI. Therefore, it is possi-
ble to detect GWs at different frequencies, according to
whether they carry imprints from PNS or SASI activity.
More recently, it has been pointed out that GW emission
might be expected from the cocoon inflated by the jet
in the case of collapsars [40]; in this scenario, one should
expect GW emission in the frequency range of 10–600 Hz
over the jet timescale.

Even though the range of frequencies of the GW emis-
sion falls in the band of detection of current GW detec-
tors, it is expected that for slowly/non-rotating CCSNe
can be detected at distances up to ∼ 5 kpc [41, 42]. At
this distance CCSNs have an event rate of about 2–3 per
century in the Galaxy [43], which challenges the detec-
tion prospects for Advanced LIGO [44], Advanced Virgo
[45], and KAGRA [46]. The predicted event rate of third
generation detectors, i.e. the Einstein Telescope [47] or
Cosmic Explorer [48], increases to ∼ 0.5 yr−1 [49], while
the predicted detection horizon can extend up to 2–4 Mpc
[50] in the case of rapidly rotating progenitors. If the pro-
genitor core exhibits very rapid rotation, observed only
in about 1% of the electromagnetically observed events
[51, 52], the magnetic fields can transfer the rotational
kinetic energy of the PNS to the shock. This mecha-
nism produces an explosion that will lead to an enhanced
GW signature that can be detectable within a distance
of 50 kpc, and in certain extreme models, extend up to
5–30 Mpc [53, 54].Alternatively, the GW emission from
the cocoon could be detectable up to 200 Mpc by existing
interferometers [40].

Even though the range of frequencies of the GW emis-
sion falls in the band of detection of current GW detec-
tors, it is expected that slowly/non-rotating CCSNe can
be detected in GWs at distances up to ∼ 5 kpc [41, 42].
Within this detection horizon, CCSNe have an event rate
of about 2–3 per century in the Galaxy [43], which chal-
lenges the detection prospects for Advanced LIGO [44],
Advanced Virgo [45], and KAGRA [46]. For third genera-
tion detectors, i.e. the Einstein Telescope [47] or Cosmic
Explorer [48], the detection horizon is expected to in-
crease roughly by a factor of ten. However, the predicted
detection horizon can extend up to 2–4 Mpc [50] in the
case of rapidly rotating progenitors. Very rapid rota-
tion is only observed in about 1% of electromagnetically
observed events [51, 52]. The GW emission from the jet
inflated cocoon proposed by Ref. [40] would be detectable
up to 200 Mpc with existing interferometers [40].

Given the computational cost of CCSN simulations as
well as the stochastic nature of the GW signals and the
large number of physical parameters involved in the ex-
plosion mechanism, it is not possible to generate the
dense bank of templates required by the common data

analysis techniques based on template matching. To
date, the data analysis methods for CCSNe primarily fo-
cus on reconstructing the GW strain amplitude, with-
out assuming a specific signal model [55, 56]. Other
works have applied the Principal Component Analysis,
Bayesian model selection, and dictionary learning to re-
construct the CCSN waveform and infer the explosion
mechanism [57–62]. Additionally, CCSN parameter in-
ference has been attempted in the literature [63–65].

In this paper, we investigate complementary methods
with respect to the ones exploiting PNS oscillations. We
explore the possibility of using the information linked to
the SASI signatures present in the detectable neutrino
event rate to inform the search for GWs. This paper
is organized as follows. Section II describes the main
characteristics of the neutrino and GW signals from our
benchmark CCSN model. Section III briefly describes
the main characteristics of neutrino and GW detectors.
We introduce the algorithms adopted in this work for
GW searches in Sec. IV, our results as well as a compar-
ison on the detection efficiencies are instead presented in
Sec. V. Finally, a discussion on our findings is provided
in Sec. VI. In Sec. VII we conclude.

II. GRAVITATIONAL WAVE AND NEUTRINO
SIGNALS

The neutrino and gravitational wave signals adopted
in this work have been extracted from our benchmark
CCSN simulation: the model s27 presented in Ref. [66].
The stellar progenitor of the model s27 is a non-rotating
star of solar metallicity with zero-age main sequence mass
of 27 M� [67]. The CCSN simulation in three spatial di-
mensions with sophisticated three-flavor neutrino trans-
port has been carried out with Prometheus-Vertex.
The Prometheus-Vertex code [68, 69] is split into two
main modules. The hydrodynamics calculations are per-
formed by Prometheus [70, 71]. The monopole approx-
imation, with a pseudo-relativistic potential [72], is used
to treat self-gravity. The module Vertex [68] handles
neutrino transport by solving the energy-dependent two-
moment equations for three neutrino species, electron
neutrinos (νe), electron antineutrinos (ν̄e), and a third
species (νx) representing muon or tauon flavors. The
neutrino radiation transport is calculated in the “ray-by-
ray-plus” approximation [69]. The high-density equation
of state of Lattimer and Swesty [73] with nuclear incom-
pressibility of K = 220 MeV was used for the s27 simu-
lation. We refer the interested reader to Ref. [66] for a
more detailed description of the simulation setup.

The model s27 has been simulated until 550 ms post
bounce and it exhibits two periods of strong SASI activity
with a period of convective overturn in between. The first
SASI phase takes place between 120 and 260 ms after
the start of the simulation and the second phase starts
around 410 ms and lasts until the end of the simulation.
Detailed analyses of the neutrino emission properties and
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the gravitational-wave signal are reported in Refs. [12, 13,
27].

An observer at 10 kpc from the source is expected
to observe a GW strain of O(10−23). The GW sig-
nal of the model s27 is dominated by two main emis-
sion components [27]: oscillations of the PNS lead to
an emission above 300 Hz with a central frequency that
grows approximately with time; SASI is responsible for
GW emission between 75 and 250 Hz, during the two
SASI periods. SASI also induces large-amplitude pe-
riodic modulations in the neutrino signal. Such mod-
ulations remain clearly visible even for the observable
neutrino flux which is given by an hemispheric average
performed to include flux projection effects in the ob-
server direction [13]. The detectable central frequency
characterizing the SASI modulations for the model s27 is
approximately between 50 and 120 Hz, peaking around
85 Hz [12]. Note that the timescale of SASI, its magni-
tude, and the number of SASI episodes depend on the
properties of the CCSN simulation and can lead to vari-
ations that are in turn reflected in the frequency of the
modulation imprinted on the neutrino and GW signals,
see e.g. Refs. [6, 12, 13, 17, 74].

The SASI modulations of the neutrino signal are
present for all neutrino flavors, although they have a
smaller amplitude for the non-electron flavors as pointed
out in Ref. [13], see e.g. their Fig. 7 and related discus-
sion. Because of flavor conversion occurring in the stel-
lar core [20, 75], the neutrino signal observed at Earth
from the next CCSN explosion will likely be a mixture
between the electron and non-electron neutrino flavors.
Given our preliminary understanding of flavor conversion
in CCSNe [20, 22, 76], we refrain from assuming any spe-
cific flavor conversion scenario. Instead we consider two
extreme cases for the neutrino signal detected at Earth
through inverse beta decay at the IceCube Neutrino Ob-
servatory: absence of flavor conversion (in this case, we
would detect the unoscillated ν̄e signal) and full flavor
conversion (in this case, we would detect the unoscillated
ν̄x signal).

It is worth noticing that SASI manifests in the neutrino
and GW signals as a direction-dependent phenomenon.
If SASI mostly develops along a plane (like it initially
happens for our s27 model [13, 66]), then the neutrino
signal has modulations that are stronger for an observer
located along the SASI plane and weaker for an observer
located perpendicularly to the SASI plane [12]. On the
other hand, one expects the GW signal to be maximally
modulated for an observer situated perpendicularly to
the observer seeing the strongest SASI modulations in
the neutrino signal. Yet, SASI is a global instability
which affects the whole simulation volume; furthermore,
the neutrino and GW observable signals depend on vol-
ume integrated quantities (projected onto any given ob-
server direction). Consequently, we observe extended re-
gions where the correlation between the neutrino and
GW signals is better or worse, compared to stronger
(anti-)correlations seen along the directions where SASI

is more prominent.
Figure 1 shows an example of the GW strain and neu-

trino event rate expected in the IceCube Neutrino Ob-
servatory for a CCSN located at 10 kpc (note that the
CCSN distance will be tailored for illustrative purposes in
the following sections) and for the two flavor conversion
scenarios. The selected observer directions correspond
to the one along which the neutrino event rate has the
strongest (waveform 1), intermediate (waveform 2) and
weakest (waveform 3) SASI modulations, respectively, as
from Refs. [12, 13]. After computing the neutrino energy
distributions from the model s27 in the form of Gamma
distributions [77, 78] and taking into account observer
projection and limb-darkening effects [13], the IceCube
event rate has been implemented following Ref. [12]–see
also Sec. III. For each observer direction, the top panels
of Fig. 1 show the unfiltered signals, obtained from the
model s27. The bottom panels show the same GW (left)
and neutrino (right) signals after filtering out frequencies
outside the band ∆f ∈ [50, 300] Hz. The bottom panels
of Fig. 1 illustrate that SASI modulations are evident in
both the GW and neutrino signals and that there is a
degree of correlation between the modulations of these
two messengers.

III. NEUTRINO AND GRAVITATIONAL WAVE
DETECTORS

The largest operating detectors sensitive to CCSN
neutrinos are Cherenkov detectors: the IceCube Neu-
trino Observatory and Super-Kamiokande. Neutrinos are
mainly detected through the inverse beta decay chan-
nel (ν̄ep → n + e+). IceCube is expected to regis-
ter about 106 events above background for a CCSN at
10 kpc, while Super-Kamiokande would approximately
detect 104 events and it would practically be background
free [75, 79].

As shown in Fig. 1, we consider the neutrino signal
expected in IceCube given its largest statistics and in
order to optimize the detection prospects of GWs that
are already known to be limited to CCSNe occurring
within the Galaxy. However, one should keep in mind
that the upcoming Hyper-Kamiokande [80] will provide
a background-free signal of roughly 1/3 the IceCube
rate; hence Hyper-Kamiokande may achieve better sig-
nal statistics than IceCube at larger CCSN distances for
stellar collapses exhibiting very strong and long-lasting
SASI activity. The IceCube event rate is implemented
following Refs. [12, 13, 81].

Gravitational wave detectors entered the Advanced
Era in 2015 with the beginning of the first scientific run.
The two detectors developed by the LIGO Collaboration
[44], located in Livingston and Hanford, routinely col-
lect data. Advanced Virgo [45] joined at the end of the
second run, in August 2017, contributing to the multi-
messenger detection of the binary neutron star merger
event GW170817 on August 17th. In Japan, the KAGRA
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FIG. 1. Gravitational wave strain (left column, in blue) and IceCube event rate for ν̄e (no flavor conversion, in red) and ν̄x
(full flavor conversion, in green) (right column) for our benchmark CCSN model, assuming a CCSN at 10 kpc. The observer
directions are selected for strong (top plots), intermediate (middle plots) and weak (bottom plots) neutrino SASI modulations,
respectively. The sub-panels in the left plots show the cross (top) and plus (bottom) polarization modes of the GW signal. The
bottom panels, labeled “Filtered,” show the GW (left) and neutrino signals (right) after low-pass and high-pass band filters
have been applied. The filters remove any part of the signal below 50 Hz and above 300 Hz. The filtered GW and neutrino
signals show a certain degree of correlation in their modulations.
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Collaboration built another detector [46], which already
joined the third observing run, but it is not considered
in this analysis.

In the following, we consider the IceCube neutrino
event rate and a GW-detector network composed of three
detectors: the two LIGO detectors and Virgo. The ran-
dom shot noise for the neutrino detector follows Poisson
statistics and does not depend on the CCSN distance,
while the neutrino event rate scales as the square of the
distance [12]. For the data generation of GW detec-
tors, we adopt the design advanced spectral sensitivities
(named as O5 in Fig. 1 of [82]). The standard way to
generate noise for GW detectors is to simulate Gaussian
noise with null mean and sigma equal to one. These data
are then transformed in the Fourier domain, where they
show a whiten spectrum. To resemble the desired GW
data, we multiply this frequency series for the selected
sensitivity and return in the time domain to obtain a se-
ries of amplitude similar to the expected detector data.

IV. SEARCH METHODS FOR
GRAVITATIONAL WAVES

In this section, we summarize the standard LIGO-
Virgo unmodeled search method, in particular the one
used for CCSNe. We then outline the algorithms that
we have developed for the search of GWs by taking ad-
vantage of the signal modulations due to SASI, matching
the timing and frequency information from the neutrino
event rate with the ones of the GW signal.

A. Unmodeled gravitational wave searches

The GWs detected so far originate from the coales-
cence of compact objects in a binary system. In this
case, the GW waveforms are well known and can be char-
acterized by a set of templates, which resemble the de-
tectable signal. Optimal algorithms for this search adopt
a matched filter approach, i.e. find the optimal match
among one of the templates and the detector data [83].

For CCSNe, the GW signal is strongly dependent on
the properties of the collapsing star and the eventual
presence of hydrodynamical instabilities. The large va-
riety of features potentially present in the GW signal
renders the matched filter approach sub-optimal. The
alternative adopted solution is the so-called un-modelled
search method: looking for signals of uncertain morphol-
ogy through a statistically significant excess of power in
the detector data in the time-frequency plane (excess-
power method).

The excess power algorithm adopted by the LIGO-
Virgo Collaboration in the case of CCSN alerts from elec-
tromagnetic triggers [84] is the so-called coherent Wave-

Burst1 (cWB) [55, 56, 85]. cWB takes into account a
minimal approach for the search of noise excess in the
time-frequency domain, obtained from data after apply-
ing a Wilson-Daubechies-Meyer wavelet transform [86].
A combined likelihood across the data of the three in-
terferometers allows to assess the properties of the GW
candidate events.

Given that unmodeled algorithms are suited to search
for any kind of signal, they are also plagued by transient
noise, which affects the distribution of false alarms. In-
ternal parameters, called regulators, significantly reduce
the noise excess, especially in the case of two aligned de-
tectors like the two LIGO ones [85]. This search method
has been used in past analyses for GW emission from CC-
SNe focused on the use of the two LIGO detectors [84].
Even if a fine-tuning of the algorithm would be desider-
able once the Virgo detector is included, such a task is
out of the scope for this paper. Hence, we rely on the
same analysis configuration adopted in the LIGO-Virgo
searches [84] as a benchmark method to be compared
with the GW search methods explored in this paper and
introduced in the next sections (Secs. IV B and IV C).

A recent review on GW searches from CCSNe with
the cWB method is reported in Ref. [41], where different
detector sensitivities and detector networks are explored.
Recent attempts also aim to exploit machine learning
techniques to improve the detection capability of CCSN
searches [87–93]; however, since they are not officially
used by the LIGO-Virgo collaboration [84] yet, we do
not consider them for this work.

B. Gravitational wave searches with neutrino
matched filter

In order to investigate the potential of neutrinos in
aiding GW searches from CCSNe, building on the corre-
lation in the modulations of the GW and neutrino sig-
nals shown in Fig. 1, we have developed a template-based
triggered search. Relying on the neutrino event rate de-
tected by IceCube displayed in Fig. 1, we build a tem-
plate to be used in a matched filter approach. Note that
we are interested in exploiting the SASI frequency and
the SASI time windows inferred from the neutrino event
rate; both of them can be determined with relatively high
precision [12, 94].

Since we intend to develop a matched filter technique,
we consider one of the standard LIGO-Virgo algorithms:
the PyCBC library2 [95–98]. This is a software pack-
age developed for the search of coalescing compact bi-
naries, which can additionally measure the astrophysical
parameters of detected sources. PyCBC has been used in
the analysis of the Advanced LIGO and Virgo observing

1 https://doi.org/10.5281/zenodo.4419902
2 https://doi.org/10.5281/zenodo.596388
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runs [99–101], participating in the first direct detection
of GWs [102].

We have created a novel pipeline, mixing the features
of the matched filter and unmodeled searches; the under-
lying assumption is that the SASI signatures in the neu-
trino event rate should be correlated in time to the GW
signal features. This enables us to exploit time-selection
and/or band-pass filters in the time/frequency domain.
The flowchart of this novel pipeline is sketched in Fig. 2.
Its main steps are:

1. Downsampling of the original data to a defined
sample rate. This reduces the computational load
since the GW signal is expected to be below 2000
Hz while the GW interferometers take data with a
sample rate of 16384 Hz.

2. Applying the pyCBC function filter.matched filter
between the theoretical template and the data
stream. The result is a time series which contains
the matched SNR.

3. Selecting samples of the signal time series with
an SNR bigger than a selected threshold value
(SNRth).

4. It is possible that the same template gives high val-
ues of SNR in consecutive samples of the time se-
ries. To avoid to consider the same event multi-
ple times, we merge consecutive samples within a
unique cluster, if their times differ less than a tem-
poral threshold ∆tc. The clusters are characterized
by three parameters that will be used in the next
step:

• SNR: maximum SNR in the samples;

• Time: the GPS time corresponding to the
maximum SNR;

• Occupancy (O): the number of samples.

5. If the GPS times characteristics of the clusters com-
ing from different detector analyses differ less than
a chosen value ∆tn, they are grouped within a sin-
gle event, which is considered as the final trigger of
the entire analysis.

The outcome of this procedure consists of a list of net-
work triggers, which is characterized by the two following
quantities:

SNRnet =
√∑

i SNR
2
i and Onet =

∑
iOi

where i = 1, ..., 3 in this work since we rely on three GW
detectors. The same definition can be applied for any
number of detectors.

The performance of the pipeline strictly depends on the
algorithm parameters that we have introduced (i.e., the
analysis sample rate, the SNR threshold of each sample,
the time coincidence between single samples ∆tc, and the
time coincidence among clusters from different detectors
∆tn).

FIG. 2. Flowchart of the novel matched filter pipeline pro-
posed in this paper to search for GWs by relying on the SASI
signatures detectable in the neutrino signal.

C. Gravitational wave searches with neutrino
trigger in frequency

We also exploit the possibility to feed cWB with addi-
tional information from the neutrino event rate to guide
the GW search. In fact, we can identify the time peri-
ods and frequency bandwidth characteristics of the SASI
activity with high precision from the detectable neutrino
signal [12, 94].

In this work, we choose to provide to cWB only
with the frequency information, and not the temporal
one. This is done for two reasons. First, the techni-
cal structure of the cWB routine for what concerns the
wavelet transform challenges the implementation of the
time windows of SASI. The algorithm uses multiple time-
frequency domains which differ among them for the res-
olution of time and frequency pixels. Specifically, this
is identified by the level resolution, passing from a level
to the next one, the frequency resolution halves and the
time resolution doubles. Moreover, the pipeline requires
to have minimal time-frequency coincidences between the
pixels of different resolution, so a stringent time selection
like the one we can consider in this work [O(100 ms), as
visible from Fig. 1] is not technically possible. Second,
we simulate GW detector noise which is Gaussian and
stationary, hence the noise realization near an injected
CCSN signal is statistically compatible with any simu-
lated detector data. The effect can be different in case
of real data, where the noise detector can be statistically
different for specific time frames and a constrain on time
could affect the efficiency. We expect that the extraction
of the SASI characteristics times from the neutrino event
rate might lead to an additional improvement on the GW
detection sensitivity and leave it to future work.
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V. RESULTS

In this section, we present our findings on the potential
of using the SASI signatures imprinted in the neutrino
and GW signals to improve the GW detection efficiency.
For completeness, we contrast these methods with cWB.

A. Input for gravitational wave searches

The reconstruction of the CCSN bounce time from
the detectable neutrino event rate may entail an error
of a few ms [103, 104], however it allows to improve on
the SNR for GW detection [105]. In this paper, we in-
tend to focus on the onset and the end of the time win-
dow of the neutrino event rate affected by SASI modula-
tions. Since these modulations occur during the accretion
phase, when the neutrino event rate is larger than the one
soon after the bounce, we expect excellent determination
of the temporal window where SASI takes place through
the IceCube event rate. The determination of the SASI
frequency range from the IceCube event rate could also
be considered excellent, as shown in Ref. [12].

The observed GW and neutrino signals depend on the
orientation of the observer relative to the CCSN event.
In our analysis, we select three representative observer
directions (see Fig. 1) selected according to the strength
of the SASI modulations seen in the neutrino signal. We
adopt the following procedure: we choose the neutrino
event rate for an observer located along one of the se-
lected directions as well as the related GW signal in-
troduced in Sec. II. We then simulate a uniform CCSN
distribution in the sky by relying on a sample of 500 sky
directions chosen randomly from a uniform distribution
and simulate the arrival of the two messengers from a
generic direction in the sky. Next, we generate interfer-
ometer data and inject the GW signal.

We infer from the neutrino event rate that two SASI
periods occur in the time windows of [120, 260] ms and
[410, 550] ms for our benchmark CCSN. Using the neu-
trino event rate, we also infer that the GW frequency due
to SASI modulations would be between 50 and 300 Hz.
In fact, based on theoretical predictions, we expect GW
signal produced by SASI modulations to have frequency
of the same order of magnitude to that of the neutrino
signal. Note that the selected GW frequency range is
also in agreement with the findings of a broad range of
hydrodynamical simulations.

We use the SASI information inferred from the neu-
trino event rate in two different ways:

1. build a matched filter technique relying on the de-
tected neutrino event rate. Templates are con-
structed by applying time and/or frequency filters
to the neutrino rate (cf. Fig. 1). We identify this
method with the name Matched Filter (MF);

2. use cWB to perform an Excess Power (EP) search,

TABLE I. Time and frequency information extracted from the
neutrino event rate affected by SASI modulations (see Fig. 1)
and used as a template from the GW search. The first column
reports the method identifier. The second column indicates
the measured time interval during which SASI occurs. The
third column lists the frequency band pass.

Method Time [ms] Frequency [Hz]

MF(t1) [120, 260] NA
MF(t2) [410, 550] NA

MF(t1,2) [120, 260]–[410, 550] NA
MF(t1, f) [120, 260] [50, 300]
MF(t2, f) [410, 550] [50, 300]

MF(t1,2, f) [120, 260]–[410, 550] [50, 300]
EP NA NA

EP(f) NA [50, 300]

restricting the frequency band based on the fre-
quency observed in the neutrino signal.

In the case of the MF method, since we have two SASI
periods for our banchmark CCSN, we repeat our analy-
sis three times: for the first SASI period (MF(t1)), the
second SASI period (MF(t2)), as well as both SASI peri-
ods (MF(t1,2)). We then consider the three cases above,
adding frequency information (MT(ti,f), with i = 1, 2).
The resulting six MF combinations are summarized in
Table I. The two cWB based EP searches we perform are
also listed in Table I; we consider a standard unrestricted
cWB search in addition to the frequency restricted search
outlined above. The standard cWB search constitutes
our comparison baseline.

Applying the search methods introduced in Sec. IV, we
calculate the detection efficiency at a given False Alarm
Rate (FAR). The detection efficiency is calculated as the
sum fraction of total of injected CCSN signals with a FAR
smaller than the chosen threshold. FAR defines the prob-
ability that a trigger in the GW detector network may
be due to the detector noise. The FAR is assessed follow-
ing the standard LIGO-Virgo time-shift procedure [106]:
data of different GW detectors are time shifted with a
shift considerably bigger than the time of flight among
detectors3. By doing so, we make sure that coincidence
triggers cannot be due to GWs, but are random noise in
coincidence among the different detectors. The list of co-
incident GW triggers of the shifted data (i.e. background)
resemble the contribution of noise excess giving rise to
coincidences in the non-shifted data (i.e. on source). Re-
peating the time-shifting procedure multiple times, we
obtain the distribution of false alarms characterized by
the two parameters introduced in Sec. IV: SNRnet and
Onet. Given a trigger from the on-source analysis with
some values of SNRnet and Onet, its FAR is defined as
the number of triggers from the background analysis that

3 The maximum time of flight among the LIGO-Virgo detectors is
27 ms.
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have a SNRnet and Onet greater than those of the trigger
divided by the total background lifetime. In the follow-
ing, we assume that the CCSN signal is detected if its
FAR is less than 1 event every 1 year.

Each analysis is implemented as a time-triggered
search: we search for GWs near the beginning of the
SASI window determined through the IceCube event
rate. Usually, time-triggered searches require to calcu-
late specific background for every injection, since noise
is not assured to be stationary. However, since we con-
sider simulated noise, which is Gaussian and stationary
in time[107], all the background realizations for each in-
jection are expected to be statistically compatible. To
reduce the computational costs we construct three back-
ground realizations (one for each waveform of Fig. 1) and
use them as benchmark references for all the injections.

First, we need to tune the parameters of the new
pipeline. These parameters are: the analysis sample rate,
the SNR threshold of each sample (SNRthr), the time co-
incidence between single samples ∆tc, and the time coin-
cidence among clusters from different detectors ∆tn. We
tune the pipeline considering our benchmark CCSN to be
at 0.1 kpc, the distance is chosen so that the GW signal
has an SNR (SNR > 20) that in the entire procedure
remains distinguishable from noise and performances are
compatible between the different scenarios of able I. The
parameter set we identified is summarized in Tab. II.

TABLE II. Running parameters of the MF pipeline which
have been selected after a tuning at distance working point
of 0.1 kpc. We note that the performances of MF method
depends on the choice of the running parameters and therefore
we have chosen them such to be conservative.

Sample rate [Hz] SNRthr ∆tc [ms] ∆tn [ms]

4096 3.5 250 300

In the next sections we will compare the efficiencies of
all cases in Table I for a different distance than the tuning
one to verify we have not over-tuned our algorithm for
the distance of 0.1 kpc but the chosen running parameters
are optimal also at different distances. We have chosen a
distance of 0.5 kpc away, which is close enough so the GW
signal is still discernible from the detector noise and the
efficiency is not strongly affected by noise fluctuations.

B. Gravitational wave searches with neutrino
trigger

Figure 3 shows the detection efficiency for our proposed
methods, assuming a source distance of 0.5 kpc and a
false alarm rate of one per year. The top panel of the
figure displays the efficiency of the MF method which
only uses the SASI timing information to construct the
filters. The middle panel shows the detection efficiency of
the MF methods with filters constructed by first selecting
the SASI time window(s) and applying a bandpass filter.

The bottom panel compares the detection efficiency of
two selected MF methods with the efficiency of the two
EP searches. All our MF methods achieve an efficiency
greater than 90% for all three waveforms, outperforming
the EP searches by approximately 30%.

The methods considering both SASI periods into ac-
count, MF(t1,2) and MF(t1,2, f), perform worse than
the filters built from a single SASI period, MF(t1),
MF(t2),MF(t1, f) and MF(t2, f). However, the average
performances of the MF methods are within ∼ 5% from
each other.

The degradation in efficiency we observe when using in-
formation from both SASI periods (cf. top panel of Fig. 3)
can be understood based on the underlying physics. For
our s27 model, the first SASI episode shows a predomi-
nant sloshing mode (i.e., SASI tends to develop along a
particular plane, despite its global nature), however as
SASI becomes stronger, it acquires a spiral nature[66].
This implies that the observer direction pointing towards
the strongest SASI modulations evolves with time.

The transverse nature of GWs means that the
strongest signal will be seen by observers situated per-
pendicular to the plane in which the SASI activity and
therefore the neutrino signal modulations is strongest.
This implies that the observer directions of strongest, in-
termediate and weak SASI modulations selected for the
neutrino event rate by relying on the first SASI episode
are not anymore optimal for the second SASI episode.
Additionally, in our benchmark CCSN model, the two
SASI periods do not spatially align. As a consequence,
the chance of selecting observer directions that present an
optimal correlation between the neutrino and GW signals
in both SASI windows is low. This implies that, using
both SASI periods typically leads to a reduction in the
total SNR and a reduction in detection efficiency.

An additional uncertainty linked to the neutrino signal
is the flavor mixing. Because of the uncertainties linked
to the modeling of the flavor conversion of neutrinos in
dense media [20–22, 75], we here consider two extreme
scenarios: absence of flavor mixing (i.e., we consider the
ν̄e signal) of maximal flavor mixing (i.e., we consider the
ν̄x signal). This choice is motivated by the fact that the
SASI signatures in the neutrino signal are flavor depen-
dent, see e.g. Refs. [12, 13] for a dedicated analysis of
the neutrino signal linked to our benchmark supernova
model.

We select only two scenarios of Tab I for which we con-
sider full flavor conversion: the ones focusing on the first
time period of SASI, with and without the frequency se-
lection (i.e., MF(t1) and MF(t1, f)). The corresponding
efficiencies are shown in Fig. 3 (blue dashed lines). We
can see that the efficiencies are slightly worse than the
results without flavor conversion in both cases, showing
a variance of no more than 2%.
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C. Comparison with gravitational wave unmodeled
search

Figure 3 displays the efficiency achieved by the unmod-
eled GW search method in comparison to our proposed
methods. We observe that the efficiency of the unmod-
eled search is lower than the other methods, by up to
30%. However, we note that the parameters for the un-
modeled search were taken from the official LIGO-Virgo
analysis during the second scientific run [54], which only
considered two GW detectors. As our analysis includes
data from three detectors, the running settings are not
optimized for our case, which explains why the efficiency
in Fig. 3 does not reach 100% even at a small distance
(< 0.5 kpc). We do not fine-tune these parameters in
this work as it is beyond the scope of our study. More-
over, recent developments of the cWB algorithm [108]
may further impact the results in the future.

D. Supernova detection horizon

We now assess the detection horizon of our methods.
We assume CCSNe occurring at distances of 0.1, 0.2, 0.5,
1, 2, and 5 kpc and calculate the efficiency as a function
of the CCSN distance.

The corresponding efficiency curves as a function of the
CCSN distance are reported in Fig. 4. We can see that
50% of the efficiency is obtained at 2 kpc. At smaller dis-
tances, any input from the neutrino event rate in the MF
method allows to achieve an efficiency larger than the one
obtained for the EP search. However, at larger distances
the efficiency of the MF methods rapidly degrades, and
the EP approach tends to perform better.

The worse performance of the MF methods for larger
CCSN distances could be due to the fact that the neu-
trino and the GW signals are not exactly matching.
Therefore when the SNR decreases, the noise hinders the
matched filter efficiency.

VI. DISCUSSION

We have explored the potential of using the SASI im-
prints in the neutrino signal to improve the GW detec-
tion techniques. Our results are encouraging, but fur-
ther improvements are required. For example, the GW
detection efficiency would further improve by applying
advanced methods for constructing the filter from the
neutrino signal. One possible way forward consists in
developing a set of filters that permit a time-dependent
phase difference between the filter and the underlying
neutrino signal. Such an approach could potentially ac-
count for the differences in the time evolution of the GW
and neutrino signals. Also the use of EP methods, such
as cWB, should be explored by substantially modifying
the pipeline to include information from the SASI time
intervals. Moreover, a new version of the cWB pipeline
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FIG. 3. Detection efficiency for our three selected waveforms
and different detection strategies. The top panel shows the
MF method where the the filter was constructed by relying
on the SASI time periods reconstructed from neutrino sig-
nal. The middle panel shows the MF method, with a band
pass filter. The bottom panel compares the best perform-
ing MF curves of the top and middle panel to the standard
EP method. The black curve represents the a fiducial cWB
search, while the gray curve represents a cWB search where
we have restricted the frequency range to be [50, 300] Hz. The
solid lines refer to the scenario with no flavor mixing, while
the dashed lines represent the case of full flavor conversion.
All efficiencies are calculated at a FAR ≈ 1/year and a dis-
tance of 0.5 kpc. Note that the y-axis in the bottom panel
differs from the other two.
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FIG. 4. Detection efficiency as a function of the CCSN dis-
tance for the MF and EP methods. The top, middle, and bot-
tom panels represent the detection efficiency for waveform 1,
2, and 3, respectively. For CCSNe occurring beyond 1.5 kpc,
the efficiency of the MF methods rapidly degrades, and the
EP approach tends to perform better.

was recently published [108], which can further improve
the efficiency for CCSN detection.

Yet, our results may also be affected by the strength
and duration of the SASI episodes, which depend on the
CCSN model adopted as benchmark. In this sense, our
model s27 should be considered as representative of an
average CCSN; additional work is required to further as-
sess the GW detection efficiency for a larger number of
CCSN models with varying properties. For example, we

may expect an overall improvement of the GW detection
horizon, possibly exploiting the strong and long-lasting
SASI imprints from black hole forming collapses [6]. On
the other hand, moderate rotation smears the SASI sig-
natures on the neutrino signal [17, 74], in which case the
neutrinos may not improve the GW detection efficiency.

We also stress that we focused on considering the neu-
trino event rate expected in the IceCube Neutrino Obser-
vatory, since this would provide the largest event rate for
close CCSNe [75, 79]. However, similar analyses could
be carried out by relying on other neutrino telescopes,
such as Hyper-Kamiokande [80], which will be more suit-
able for CCSNe occurring at larger distances because
the background will be essentially absent—see discus-
sion in Sec. III and Ref. [12]. In particular, the latter
approach could be especially interesting for third genera-
tion GW detectors, like Einstein Telescope, for which we
expect a CCSN detection horizon improved by one order
of magnitude[109].

The existing literature considers various GW search
methods. In the following we compare our findings to ex-
isting work. Note, however, that for a consistent compar-
ison, it is necessary to have a similar CCSN model with
similar properties and affine working point, i.e. same de-
tector sensitivities, interferometer network, and chosen
FAR.

An optically triggered search for GWs of five CCSN
events occurred in coincidence with the first and second
observing LIGO-Virgo runs is carried out in Ref. [84].
However, this analysis considers a different FAR and de-
tector network; the sensitivity of the instruments and the
results of the search are not comparable to ours.

Reference [41] explored the detectability of GWs from
a Galactic CCSN using the cWB routine in simulated
Gaussian noise as for the sensitivity of future runs (O5)
with two-detector network containing the two Advanced
LIGO detectors. While some of their CCSN models are
similar to our model s27, there are severe differences be-
tween our analysis and the one presented in Ref. [41].
Importantly, the FAR and the detector network consid-
ered by [41] differs from what we use in this work. While
these differences make a direct comparison difficult, our
approach seems to result in an improvement of the CC-
SNe GW detection horizon by an order of magnitude over
what was reported by [41].

A strategy to combine GW and neutrino searches
through a combined global false alarm rate was devel-
oped in Ref. [110]. Their figures 2 and 6 display the effi-
ciency curves obtained for different GW emission models
at two FAR working points of 864/day and 1/1000 years,
respectively without and with combination with neutrino
information. Because of the difference in both of the GW
waveforms used and the chosen FAR, it is challenging to
assess whether our approach could lead to any further im-
provements over the method implemented in Ref. [110].
Reference [111] does not provide information about FAR,
hence a direct comparison with our work is not possible.

The authors of Ref. [105] adopted likelihood approach,
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searching for a signal in the frequency band of [50-500]
Hz. Their approach is similar to our EP(f) method, but
relies on a different frequency band. Since the authors of
Ref. [105] do not report their FAR, a direct comparison
with out method is not possible.

VII. CONCLUSIONS

This work has explored the feasibility of enhancing the
detection efficiency of GWs from CCSNe by leveraging
on the correlation between the GW and neutrino sig-
nals in the presence of the SASI hydrodynamical insta-
bility. In order to do so we rely on a benchmark full-scale
three-dimensional CCSN simulation with zero-age main
sequence mass of 27 M� and consider two different ap-
proaches; one in which we use the neutrino event rate to
build a matched filter for the GW signal (matched fil-
ter method), and another one that relies on unmodeled
GW search with a frequency bandpass inferred from the
neutrino signal (excess power method).

Our key findings are:

1. Utilizing the correlation between the neutrino
and GW signals from CCSNe, our matched fil-
ter method can increase the detection efficiency,
compared to standard excess energy searches, by
up to 30% for nearby galactic events (closer than
1.5 kpc). However, at distances above 1.5 kpc we
observe a decrease in the overall detection efficiency
when incorporating input from the neutrino event
rate.

2. Combining information from two distinct SASI
episodes, for the same CCSN event and for fixed
observer direction, is in general a bad strategy and
leads to a degradation of the detection efficiency.
This decreased efficiency arises from an observer
effect: because of the sloshing and spiral nature of
SASI, the associated GW signal modulation is not
as strong for both periods for any given observer.
Therefore, attempting to combine information from
two different SASI periods can result in a decrease
of the SNR, ultimately reducing the overall detec-
tion sensitivity.

3. Incorporating neutrino information into the Excess
Power method does not significantly improve the

detection sensitivity. In fact, restricting the fre-
quency band effectively reduces the FAR, but it
also decreases the SNR of the GW signal. These
two effects balance each other out, resulting in no
real change in the final detection sensitivity.

We have limited our investigation to one CCSN model,
but we expect that our method would perform better for
models with a stronger SASI signatures. Future work
should include more CCSN models and consider more
advanced methods for constructing the filters from the
neutrino signal. One possibility is to construct a set of
filters, where one allows for a time-dependent phase dif-
ference between the filter and the underlying neutrino
signal.

To conclude, multi-messenger techniques could im-
prove the detection horizon of GWs from CCSNe. This
work is a first attempt showing interesting potential of
using the imprints of hydrodynamical instabilities in the
neutrino signal to aid the GW detection. Additional work
is required to further assess the performance of such tech-
nique and device the best strategy for the first GW de-
tection from CCSNe.
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Synopsis

Long-term high-cadence measurements of stellar spectral variability are fundamental to

better understand stellar atmospheric properties and dynamos, convective motions, rotational

periods, eruptive phenomena, and stellar magnetospheres and winds. These, in turn, are

fundamental for the detectability of exoplanets as well as the characterization of their

atmospheres and habitability. The Sun, viewed as a star via disk-integrated observations, offers a

means of exploring such measurements while also offering the spatially resolved observations

that are necessary to discern the causes of observed spectral variations. In addition to solar

variability studies, solar radiation also affects life on Earth and human activities in several ways.

High-spectral resolution observations of the solar spectrum are fundamental for a variety of

Earth-system studies, including climate influences, renewable energies, and biology.

The Integrated Sunlight Spectrometer (ISS) at SOLIS (Synoptic Optical Long-term

Investigations of the Sun), has been acquiring daily high-spectral resolution (R~300 000)

Sun-as-a-star measurements since 2006. It was designed to replace the decade-long National

Solar Observatory programs at Kitt Peak and at Sacramento Peak. More recently, a few

ground-based telescopes with the capability of monitoring the solar visible spectrum at high

spectral resolution (R≳100 000) have been deployed (e.g. PEPSI, HARPS, NEID). However, the

main scientific goal of these instruments is to detect exo-planets, and solar observations are

acquired mainly as a reference. Consequently, their technical requirements are not ideal to

monitor solar variations with high photometric stability, especially over solar-cycle temporal

scales.

The goal of this white paper is to emphasize the scientific return and explore the

technical requirements of a network of ground-based spectrographs devoted to long-term

monitoring of disk-integrated solar-spectral variability with high spectral resolution

(R~100 000) and high photometric stability, in conjunction with disk-resolved observations in

selected spectral lines, to complement planet-hunters’ measurements and stellar-variability

studies.

The proposed network of instruments offers the opportunity for a larger variety of

multidisciplinary studies, which include improving our understanding of solar variability and its

effects on the Earth's atmosphere, climate, and biological systems, which, in turn, offer a unique

opportunity to understand how stellar magnetism affects stellar radiative emission and the

properties of the planets that they host. All these topics are in scope of the Heliophysics

2024-2033 Decadal Survey statement of tasks.



Introduction

Long-term high-cadence measurements of stellar spectral variability are fundamental to better

understand stellar atmospheric properties and dynamos, evolution of the magnetic fields in stellar

atmospheres, convective motions, rotational periods, eruptive phenomena, and stellar

magnetospheres and winds. These, in turn, are fundamental for the detectability of exoplanets as

well as the characterization of their atmospheres and habitability. The Sun, viewed as a star via

disk-integrated observations, offers a means of exploring such measurements while also offering

the spatially resolved observations that are necessary to discern the causes of observed spectral

variations. Being the brightest and nearest star, the solar spectrum can be obtained with an

extremely high signal-to-noise ratio and with very high spectral resolution. A few solar lines

have been monitored for decades, using both space- (e.g. MgII, Ly) and ground-based (e.g. CaII

H & K, HeI 10830) disk-integrated instrumentation at high spectral resolution. The Fourier

Transform Spectrometer (FTS) at the McMath-Pierce Solar Telescope was capable of acquiring

high-resolution (R~500 000) solar spectra across a wide spectral range. A few dozen visible lines

were monitored with it from 1976 to 2010 (Livingston et al. 2007) on a monthly cadence. The

program was replaced by the daily observations acquired with the Integrated Sunlight

Spectrometer (ISS, Keller 2003) at SOLIS (R~300 000), which monitored nine spectral regions

approximately 1 nm wide from 2006 until operations were halted in 2017 to relocate the

instrument. Those observations are planned to resume at the end of 2022. Additionally,

solar-spectral variations in broader spectral ranges have been observed (more or less)

consistently over decades using space-based instrumentation, but these measurements typically

encompass large spectral regions at coarse spectral resolution (less than ~0.1 nm, or R ≲ 10 000).

A few ground-based telescopes with the capability of monitoring the solar visible spectrum at

high spectral resolution (R≳100 000) have been deployed in the last few years (e.g., PEPSI,

HARPS, NEID, EXPRES). However, the main scientific goals of most of these instruments are

to study stars and exoplanets through high-precision radial-velocity measurements, and solar

observations are acquired mainly as a reference. Consequently, their technical requirements

(instrumental and operational) are not ideal to monitor solar variations with high photometric

stability, especially over solar-cycle temporal scales. Moreover, not all the data produced by

these instruments are publicly available.

We propose long-term monitoring of disk-integrated solar-spectral variability with high

spectral resolution and high photometric stability in addition to spatially resolved observations

in select spectral lines obtained via a network of dedicated ground-based instruments.

Science Use Cases

There are several benefits of the proposed long-duration high-resolution solar spectral-line

observations that will improve understanding of solar and stellar variability due to magnetic

activity as well as the solar cycle and analogous stellar dynamos.

Obtain Solar Reference Spectra for Various Activity Levels. Several solar reference spectra

exist but have discrepancies due to uncertainties in their absolute calibration, wavelength



position, or contamination from telluric lines (Strassmeier et al. 2018). Typically, reference

spectra with good absolute calibrations are composites of space-based, ground-based, and/or

theoretical models (e.g. Meftah et al. 2018, Coddington et al. 2021), drawing on the high

radiometric accuracies of space-based instruments and the superior spectral resolutions of

ground-based measurements and models. These composites, especially when constructed to take

into account different levels of magnetic activity, are employed in a large variety of fields, which

include renewable energy (Myers 2017), calibration of remote-sensing instrumentation employed

for Earth-atmosphere and -climate studies (e.g. Dobber et al. 2008, Pan and Flinn 2015),

solar-system minor bodies (e.g. Morate et al. 2021), and marine biology (Frouin et al. 2018).

Reference spectra also provide constraints for modeling the impact of solar radiation variability

on the Earth’s climate (Coddington et al. 2016). In the astrophysical context, solar reference

spectra are essential for different science cases: development and validation of stellar

atmospheric models, element-abundance estimates, modeling of stellar spectral irradiance

variability, and studies of planetary atmospheres (Molaro and Monai 2012). It should be noted

that a) differences between extant reference spectra in the visible and near-infrared are several

percent on an absolute scale (see Fig. 1), whereas irradiance variability over the 11-year cycle is

an order of magnitude smaller; b) several of these composite spectra make use of decades-old

ground-based observations (usually data acquired with the McMath-Pierce FTS), which have

high spectral resolution but include corrections for atmospheric absorption and sample very

limited temporal periods; c) models of the solar spectrum are affected by uncertainties of the

same order of magnitude (Criscuoli et al. 2020); and d) many of the observations contributing to

these references are not temporally continuous, leading to gaps in solar-variability observations

as well as offsets and trends between

different measurements. Observed and

modeled spectra of other stars are similarly

affected by uncertainties and discrepancies

(e.g. Cincunegui and Mauas 2004,

Tilipman et al. 2021). Understanding and

reducing such discrepancies for the

solar-reference spectra will improve our

knowledge of the spectral distribution of

the Sun and other stars.

It is therefore of extreme importance that these Sun-as-a-star solar-spectral measurements be

extended and the solar spectrum monitored continuously using modern, precise instrumentation.

Acquire continuous, low cadence (~daily) observations to understand variability on

rotational and solar-cycle timescales. This will address the following:

Perform magnetometry via proxy line-measurements. Almost exclusively, large-scale surveys

of stellar magnetic activity rely on various proxies, such as broad-band photometry and

line-activity indices (e.g., Ca II, Ly, Mg II). In particular, variations of Ca II lines, especially H



& K, are highly correlated with variations of the stellar magnetic field (e.g., Pevtsov et al. 2016,

Loukitcheva et al. 2009), and indices derived from Ca II K observations have served to monitor

the long-term variability of the Sun (Petrie, Criscuoli, Bertello 2021) and other stars (Hall 2008).

The advantage of using the Ca II line over other proxies is that it can be observed from the

ground, making it relatively easy to construct long temporal records necessary to study stellar

dynamos. Accurate, continous Ca II measurements are our recommended highest-priority

magnetic-proxy indicators. The proposed instrument would allow us to continue monitoring of

the fundamentally important Ca II lines, extending it to the transitions routinely used as the

variability indicators in exo-planet searches (e.g., H, Na I, Gomes da Silva et al. 2011, Meunier

et al. 2022), and explore new ones. Such homogeneous, long-term, high-cadence data should

help in clarifying the yet elusive relationships between the surface magnetism and

X-ray/EUV/UV emissions (Shoda and Takasao 2021).

Correlate surface features and spectral lines. Different lines are affected in different ways by

the passage of magnetic structures. The relationships between the surface structures and line

variability are complex and neither adequately documented nor well understood. Moreover, at

times these relationships may not be reproduced in sufficient detail by the widely used solar

models (Criscuoli et al. 2022). Comparison of disk-integrated solar spectra with spatially

resolved images is crucial to validate this approach to estimate stellar magnetic-feature coverage.

For instance, Thompson et al. 2020 recently compared disk-integrated HARPS-N measurements

and HMI full-disk magnetograms to show that properties of a few Fe I, Ti II, and Mn I lines in

the blue range (437-501 nm ) track the passage of faculae over the disk better than other indices,

such as those derived from Balmer lines, which Marchenko et al. (2021) showed to be more

sensitive to the passage of sunspots. This type of analysis serves two important science goals: a)

improve modeling of the contribution of magnetic features to stellar variability, which is

essential for modeling the atmospheres of exoplanets through transmission spectroscopy

(Rackham et al. 2022); b) understand solar and stellar dynamos via continuous observations

spanning several solar rotations and solar cycles.

Understand spectral-irradiance variability in the visible. This portion of the spectrum largely

reaches the Earth’s surface, both playing a fundamental role for life (e.g. Egorova et al. 2018)

and being relatively easy to monitor. As mentioned above, spectral-irradiance variations in this

range are rather small, making them difficult to assess. Moreover, long-term observations are

carried mostly from space with R~1000. This largely prevents adequate evaluation of the

spectral-line contribution to the small – but crucially important for climate studies – irradiance

variability in the visible. High spectral-resolution observations from the ground would integrate

with low-resolution space-based measurements, allowing the construction of composites

benefitting from both the high spectral-resolution ground-based measurements with good

stability and absolute accuracies of the space-based measurements. This combination helps

discern the contributions of high-resolution spectral lines to the solar variability observed at

coarser spatial resolution, which, so far, has been estimated only through models, and the



validation of spectral-irradiance models. It will also provide improved proxies, via correlations

between spectral-line and spectral solar-irradiance variations in time.

Better estimate UV and IR emissions. UV radiation affects the Earth's atmosphere and climate

via “top down” forcings (Haigh et al. 2010). Similarly, UV flux affects the atmospheres of

exoplanets and their habitability. Due to atmospheric absorption, this short-wavelength radiation

can only be observed and monitored from space-based platforms. These measurements cover

only a few recent solar cycles and with somewhat discontinuous and inhomogeneous wavelength

coverage and spectral resolution. For these reasons, substantial efforts have been dedicated to

estimate solar and stellar UV emission and its variability through proxies and models (e.g.,

Youngblood et al. 2017). Ground-based observations are essential to ensure the construction of

long-term, uniform estimates of UV radiation, as well as providing reliable UV proxy estimates

that can be tied into the existing long-term proxy records.

Radiation at longer wavelengths also plays a fundamental role for climate and for life on Earth

(e.g. Egorova et al. 2018). IR measurements are essential for the characterization of exoplanet

atmospheres and for the identification of bio-markers. Like the UV, many IR spectral regions are

largely absorbed by the Earth’s atmosphere and thus require space-based observations. As in the

UV, it would therefore be very useful to construct proxies of the long-wavelength IR flux that

can be monitored with ground-based observations in order to provide solar- and

stellar-variability estimates. The set of well-designed near-IR proxies may contribute to the

rapidly expanding field of exoplanet studies that will assuredly receive a large boost from the

recently launched JWST (an almost exclusively IR facility). Our proposed effort will acquire the

high spectral-resolution, long-duration measurements needed to provide such UV and IR proxies.

Acquire high-cadence observations of eruptive events and oscillations.

Flares. There is increasing evidence that moderate- to high-intensity flares are associated with

white light (WL) emissions, whose signatures are detectable in disk-integrated observations (e.g.

Kretzschmar 2011, Woods et al. 2004). We thus expect both photospheric and chromospheric

lines to react to intense flares. Observations of these variations, together with observations of the

Balmer jump, would offer insight to understanding stellar flares, which can be both more

frequent and energetic for young stars potentially hosting exoplanets (see the White Paper titled

“Development of Integral Field Spectrographs to Revolutionize Spectroscopic Observations of

Solar Flares and other Energetic Solar Eruptions”). Very high cadence (~ minutes) observations

would be triggered by existing flare-watch programs and space-weather alerts.

CMEs. Stellar CMEs are detected by analyzing Doppler-shift and line-shape changes of

spectroscopic lines, in particular Balmer lines (e.g., Vida et al. 2019). However, only a few

events have been detected so far. Models suggest that CMEs could be detected in solar Balmer

lines as well (Odert et al. 2020), although no observational detection has been reported yet. Like

for flares, CME studies would be triggered by space-weather alerts.

Oscillations. Magnetic activity affects the amplitude and phase of solar oscillations. Several

studies suggest this is the case for other stars as well (e.g., Santos et al. 2018), so that

observations of oscillatory patterns can be employed to study the properties of the magnetic



fields of other stars (e.g., Salabert et al. 2018, Bazot et al. 2018). Combined disk-integrated and

spatially resolved observations of the Sun are essential to understand how disk-integrated

observations of p-modes are affected by the presence of active regions on the disk and their

properties (spatial distribution, size, magnetic field strength, etc.). Multiwavelength observations

in particular are promising tools to study the effects of inclined magnetic fields on the phase of

waves (see White Paper titled “Advancing the Understanding of Subsurface Structure and

Dynamics of Solar Active Regions: An Opportunity with ngGONG”). Combined disk-integrated

and full-disk, multi-wavelength observations would allow investigating how stellar inclination

and magnetic-field distribution over the stellar

surface affect stellar power spectra and hence

inferences of their magnetic fields.

Fig.2 Modeled variability of H core-to-wing ratio index obtained

degrading synthetic spectra to the resolution of spectrographs of

different resolving power R. In both cases, the amplitude of the index

variation over the decadal scale is small, at ~10-3, but even the sign of

the variation can change depending on the spectral resolution. This is

likely due to the higher-resolution data correctly resolving line wings.

Requirements

*High spectral resolution (R≳100 000) is required to investigate line-profile changes (Fig. 2).

*Photometric stability over decades of at least 10-3 to investigate variability over decadal

temporal scales. See e.g. Fig. 2.

*Spectral range: contiguous 350 - 1100 nm (to include Ca II H&K and He I 10830 nm lines)

*Full-disk, spatially resolved images in select spectral lines (e.g., He I 10830, Ca II IR/UV, H)

*Cadence: ~ 6 hours to investigate variability over the solar-rotational timescale; ~10 seconds in

flares/CMEs watch mode

*Duration: > 11 years to investigate variability at solar cycle (decadal) temporal scales

*Duty cycle: > 90 % for nearly continuous temporal coverage to study flares and CMEs; > 70 %

for the other science cases. This will require a network of six ground-based observation sites for

the former, high-cadence studies and at least three for the latter cases (Jain et al. 2021).

*Pristine sky. At least a single site, e.g., Mauna Loa, having occasional pristine sky is highly

desirable for improved flux calibrations and to minimize the presence of telluric lines. This site

can then provide cross-calibrations to other sites.

Synergies with other current/future instruments. In order to address the scientific goals

listed above, it is fundamental that disk-integrated spectra are complemented with information

provided by full-disk, spatially resolved observations in select spectral lines, as well as full-disk

spectro-polarimetric observations in photospheric and chromospheric lines. This proposed

combination of high spectral resolution disk-integrated measurements with spatially resolved

ones is the synergy to enable physical understandings of underlying causal mechanisms that solar

measurements provide that cannot be duplicated for (unresolvable) stellar observations. Such

data are currently provided by facilities such as the ground-based SOLIS, GONG, PSPT, SFO,



etc. and the space-based SDO, and in the future will be provided by instruments such as

ngGONG and SPRING. Comparisons of the spectra acquired from the proposed network of

spectrographs with observations acquired by planet-hunter instruments (e.g., HARPS-N, PEPSI,

NEID, EXPRES) will be useful to address long-term instrumental effects and for the creation of

composites, in a manner similar to what has been done so far with space-based solar irradiance

measurements (e.g., Haberreiter et al. 2017). Comparison with radiometric spectral-solar

irradiance (SSI) measurements obtained at much lower resolution will assess the contribution of

spectral lines to SSI variability. Spectra acquired at different levels of solar activity will also be

combined with radiometric SSI measurements to construct solar reference spectra (e.g.,

Coddington et al. 2021, Dobber et al. 2008) appropriate for different phases of the solar cycle.

Proposed Instrumentation

A globally distributed network of at least three stations, each having an Echelle Spectrograph,

satisfies the requirements listed above. Why a network? An instrument network will increase the

temporal coverage and longevity of the program (in case of failure of one or more instruments)

and, via inter-calibration (see below), will ensure long-term measurement stability. We propose

integrating the spectrographs with existing facilities to drastically reduce the costs of both the

instrumentation and operations. We recommend Mauna Loa (for pristine sky), Cerro Tololo, and

Udaipur among the (ng)GONG sites as excellent candidates for their geographical distribution.

These three can provide > 70 % temporal coverage. To achieve the > 90 % duty cycle, at least

three additional instruments located at other (ng)GONG sites or other observatories (e.g., San

Fernando, Rome, IDA) may be added through collaborations with other foreign institutes.

Measurement stability on decadal timescales is needed for discerning solar variability.

While absolute radiometry from the ground requires corrections for atmospheric transmission

and is generally better achieved from space-borne platforms, relative stability measurements via

our proposed approach of six ground-based stations has two advantages for maintaining

long-term stability:

1. The instruments are accessible for regular calibration verification, component

replacements and upgrades, and cleanings for contamination.

2. Simultaneous measurements from more than one station allow inter-calibrations between

instruments for both signal levels and detections of drifts or other anomalous trends.

To achieve both absolute accuracy and long-term stability, we propose the following approach

for the ground-based network:

1. Instruments are calibrated at both the component and system levels prior to deployment,

such that each achieves accurate radiometric measurements.

2. Atmospheric effects are corrected via Langley extrapolation independently at each

ground station.

3. Periodic recalibrations maintain and verify instrument accuracies. Staggered

recalibrations allow the effects of any station's recalibrations to be discerned via

inter-comparisons between sites that continued to operate during that site’s downtime.



4. Inter-comparisons between sites transfer signal levels from the most accurate stations,

providing relative cross-calibrations between all instruments. Expectations are that the

Mauna Loa site will have the highest accuracies due to the pristine sky conditions, but at

times, such as after an instrument upgrade or recalibration, another station may instead

provide the highest levels of accuracy.

5. Stations having the lowest atmospheric-correction uncertainties will be compared to

space-based measurements to provide validations or corrections for radiometric

accuracies. These will be done in atmospherically clean windows after the

higher-resolution ground-based spectral data are spectrally degraded to those of the

space-based instruments. Such inter-comparisons can be timed around launches of

pristine, new space-borne instruments and around periods of good atmospheric

transmission for the ground-based stations.

This approach benefits from the advantages of both ground- and space-based measurements to

achieve absolute accuracy and long-term stability.

Costs

We estimate the cost for each instrument to be approximately US $300K (~120K for an

off–the-shelf Echelle spectrograph, ~$130K for a 4Kx4K CCD, and ~$50K for integration and

calibrations). The total cost of the network is therefore between $0.9M (for three instruments)

and ~$1.8M (for six, with costs possibly shared with foreign institutes). This is in the

project-cost range suitable for the Mid-Scale Innovations Program in Astronomical Sciences.

Goals

During the period of the proposed effort, we plan to design, construct, and initiate operations. We

also plan to: a) continue the NSO-ISS program, extend the available spectral ranges, and

complement ‘stellar’ programs; b) use spectral-analysis tools to derive properties of lines; c)

compare/integrate them with previous observations and existing ones to construct long-term time

series of composites to employ for solar/stellar variability and solar-irradiance studies; d)

construct reference spectra by combining observed high-resolution ground-based spectra with

space-based spectral-irradiance observations; e) estimate the areal coverages of magnetic

features extracted from full-disk observations; f) make the measurements and composites

publicly available to the scientific community.

The proposed network of spectrographs offers the opportunity for a larger variety of

multidisciplinary studies which address the following Heliophysics 2024-2033 Decadal

Survey statement of tasks: 1) The structure of the Sun and the properties of its outer layers in

their static and active states; 2) The consequences of solar variability on the atmospheres and

surfaces of other bodies in the solar system and the physics associated with the magnetospheres,

ionospheres, thermospheres, mesospheres, and upper atmospheres of the Earth and other solar

system bodies; 3) Science related to the interstellar medium, astrospheres (including their stars),

exoplanets, and planetary habitability.
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ABSTRACT

The interaction between supermassive black hole (SMBH) feedback and the circumgalactic medium
(CGM) continues to be an open question in galaxy evolution. In our study, we use SPH simulations
to explore the impact of SMBH feedback on galactic metal retention and the motion of metals and gas
into and through the CGM of L∗ galaxies. We examine 140 galaxies from the 25 Mpc cosmological
volume, Romulus25, with stellar masses between 3 × 109 – 3 × 1011 M�. We measure the fraction of
metals remaining in the ISM and CGM of each galaxy, and calculate the expected mass of its SMBH
based on the M−σ relation. The deviation of each SMBH from its expected mass, ∆MBH is compared
to the potential of its host via σ. We find that SMBHs with accreted mass above the empirical M −σ
relation are about 15% more effective at removing metals from the ISM than under-massive SMBHs in
star forming galaxies. Over-massive SMBHs suppress the overall star formation of their host galaxies
and more effectively move metals from the ISM into the CGM. However, we see little evidence for
the evacuation of gas from their halos, in contrast with other simulations. Finally, we predict that C
IV column densities in the CGM of L∗ galaxies may depend on host galaxy SMBH mass. Our results
show that the scatter in the low mass end of M − σ relation may indicate how effective a SMBH is at
the local redistribution of mass in its host galaxy.
Subject headings: Gas physics – Galaxies: circumgalactic medium – Galaxies: spiral – Galaxies:

kinematics and dynamics – Methods: Numerical

1. INTRODUCTION

The vastly different scales between the event horizon of
a supermassive black hole (SMBH) and the size of its host
galaxy have been evocatively described by Savorgnan &
Graham (2016) as the difference between a grain of sand
and the entirety of the Saharan Desert. (A difference of
approximately 10 orders of magnitude). While the size
difference between these objects makes their interaction
surprising, mounting evidence continues to connect the
evolution and properties of galaxy hosts to their SMBHs
(Magorrian et al. 1998; Haehnelt et al. 1998; Ferrarese &
Merritt 2000; Gebhardt et al. 2000; Reines & Volonteri
2015; Saglia et al. 2016).

The relation between the mass of the central super-
massive black hole, MBH , and the stellar dispersion of its
host galaxy’s bulge, σ∗, is one of the most fundamental
relations drawn between the SMBH and its host galaxy
(Kormendy & Ho 2013, and citations therein). Colloqui-
ally known as the M − σ relation, this observed relation
shows a tight correlation across three orders of magni-
tude in SMBH mass and is theorized to tie together the
growth of a SMBH–during its tenure as an active galactic
nucleus (AGN)–and the winds launched from its accre-
tion disk. These winds are responsible for removing some
of the gas necessary for continued star formation in the

galaxy. In this way, the energetics of the SMBH work to
regulate the star formation in the bulge of massive galax-
ies. When the SMBH is no longer accreting or driving
outflows, gas accretion and star formation can resume
(Alexander et al. 2005; Papovich et al. 2006; Volonteri
2012). The quantity σ∗ not only reflects the mass of
its host galaxy, but also approximates the depth of the
galaxy’s potential well (Ferrarese & Merritt 2000; Zahid
et al. 2018; Ricarte et al. 2019).

The scatter in the M−σ relation can further illuminate
the processes that drive galaxy evolution at all galaxy
masses. At the high mass end, there is less scatter and
it is dominated by more massive BHs residing in mas-
sive ellipticals above ∼ 1013 M� (Van Den Bosch et al.
2007; Moster et al. 2010; Natarajan 2011; Emsellem et al.
2011; Dubois et al. 2015). However, lower mass BHs live
in a more diverse range of galaxy masses resulting in
scatter that is more pronounced on the low mass end
of the relation. This low-mass-end scatter may be ex-
plained by variable pathways that drive SMBH growth
(Micic et al. 2007; Volonteri & Natarajan 2009; Reines
et al. 2013; Graham & Scott 2015; Sharma et al. 2020).
Galaxy mergers are thought to fuel SMBHs, in addition
to building up galaxies and contributing to the assem-
bly of bulges (Di Matteo et al. 2005; Shen et al. 2008;
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Sanchez et al. 2018). Furthermore, episodes of SMBH fu-
eling result in feedback that removes gas from the galaxy
suppressing both SMBH growth and future star forma-
tion (Schawinski et al. 2010; Pontzen et al. 2017; Sanchez
et al. 2021). A concerted effort has been put forth to ex-
plain the physical processes that result in the scatter on
the M−σ relation. However, the impact on galaxy prop-
erties by SMBHs which deviate from the M − σ relation
has not been well constrained, especially within the con-
text of the circumgalactic medium (CGM).

The rise of observational surveys of the CGM with
the Cosmic Origins Spectrograph (COS) on HST has
inspired a range of theoretical studies focused on the
connection between feedback processes and the content
of the CGM. Simulations were initially hard-pressed to
match the observational survey results carried out with
the Cosmic Origins Spectrograph (e.g. Tumlinson et al.
2013; Werk et al. 2013). Predictions for column densities
of high ions like O VI were too low, and low ion column
densities were difficult to replicate in the simulated en-
vironments of cosmological volumes (Oppenheimer et al.
2016; Suresh et al. 2017).

More recently, cosmological simulations have updated
the subgrid prescriptions in their codes to better charac-
terize the low density, multiphase medium of the CGM
(Stinson et al. 2012; Shen et al. 2012; Vogelsberger et al.
2014; Schaye et al. 2015; Tremmel et al. 2017); further-
more, recent work has focused on connecting the impact
of energetic feedback from a galaxy’s SMBH to the diffuse
CGM. Broadly, simulations have shown that the SMBH
can impact the CGM in a multitude of ways: heating
and evacuating (or removing) gas in the disk to quench
star formation in the galaxy (IllustrisTNG and EAGLE
simulations, Suresh et al. 2017; Nelson et al. 2018; Op-
penheimer et al. 2016), driving metal rich gas out of
galaxy centers and moving metal-rich gas into (enriching)
the CGM (IllustrisTNG and ROMULUS25, Nelson et al.
2019; Sanchez et al. 2019), as well as ejecting CGM gas
out into the IGM (EAGLE, Oppenheimer et al. 2018).
Furthermore, Mitchell et al. (2020) finds that more gas
flows out of the halo virial radius than from the ISM of
central galaxies in the EAGLE simulations implying in-
creased mass loading within the CGM, while CGM mass
fractions decline after explosive episodes of AGN-driven
feedback in galaxies from both EAGLE and IllustrisTNG
(Oppenheimer et al. 2020). At lower masses, Sharma
et al. (2022) shows that though SMBHs can drive out-
flows in some dwarf galaxies, gas doesn’t often leave the
CGM.

Overall, these cosmological simulations seem to paint a
similar picture. Both EAGLE and Illustris/IllustrisTNG
simulations predict the evacuation of the CGM in the
massive galaxies where SMBH processes dominate. How-
ever, this may not be the whole story. Chadayam-
muri et al. (2022) compares CGM radial profiles from
eROSITA and mock X-ray observations from the Illus-
trisTNG and EAGLE cosmological simulations. They
find that the luminosity of the CGM of their observed
galaxies is higher than that predicted by the simulations
indicating that more explosive AGN feedback prescrip-
tions may over-evacuate the CGM of their galaxies.

Furthermore, recent work from Davies et al. (2020)
ties the expulsion of gas by SMBH-driven outflows to
the scatter in the halo gas fraction at fixed M200 in both
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Fig. 1.— The M − σ relation for the 140 galaxies within Ro-
mulus25 that are within our selected stellar mass range and that
contain a SMBH. For our measurement of MSMBH we measured
the accreted mass for each SMBH to neglect each BH’s starting
seed mass of 106M�. Star forming galaxies are denoted by squares
and quenched galaxies (sSFR <1.6 × 10−11 M� yr−1) are shown
as circles. Points are colored by the stellar mass of the galaxy. The
spread of the galaxies fall along the M − σ relation, grey dashed
line, of Kormendy & Ho (2013), though we note that at the lower
mass end our sample tend to lie slightly above the line.

the IllustrisTNG and EAGLE simulations. Galaxies with
more massive BHs (within a fixed halo mass bin) reside
within more gas-poor halos, while galaxies with under-
massive BHs retain a higher gas fraction in the CGM as
well as show elevated star formation rates. Davies et al.
(2020) find that the evacuation of CGM gas by SMBH
feedback is a critical step in the morphological evolution
and quenching of their galaxies. These results point to an
intrinsic connection between black hole masses and the
evolution of the CGM. We follow this line of investigation
to further our understanding of how the deviation of a
SMBH’s mass from empirical expectations impacts its
host halo gas.

In this paper, we examine how deviation in SMBH
mass from the empirical M−σ relation changes the over-
all effectiveness of SMBH feedback at moving gas and
driving metal flows into and out of the CGM. We ex-
plore this change across two orders of magnitude in stel-
lar mass, 3 × 109 M� <M∗ <3 × 1011 M�. Our study
also includes comparisons between our simulations and
observational constraints such as metal retention frac-
tions and makes predictions for ion column density mea-
surements in the CGM of galaxies with known SMBH
mass measurements.

This paper is organized as follows: Section 2 introduces
our simulations and the galaxy selection process, and in
Section 3, we describe and analyze our results. In Section
4, we compare our findings to observed measurements
from the literature as well as a set of mock observational
data and discuss the broader context for our results and
their implications. Finally, in Section 5, we summarize
and conclude.

2. SIMULATED GALAXY SAMPLE

2.1. Simulation Parameters
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Fig. 2.— The metal retention, fz , of our sample of galaxies from the Romulus25 as a function of ∆MBH . Points are colored by the
fraction of total disk metals contained in stars. SMBHs that are left of the grey line are under-massive compared to their host galaxy’s
stellar population (BH masses below the M − σ relation, Figure 1) and maintain more of their metals in their disks or central regions.
Meanwhile, galaxies to the right of the line are more effective at removing metals from the disk, with a similar but stronger effect seen in
quiescent galaxies (circles).

All of the galaxies examined in this paper were selected
from the Romulus25 simulation (R25, Tremmel et al.
2017; Ricarte et al. 2019; Sharma et al. 2020), a 25 Mpc
cosmological volume, run with the smoothed particle hy-
drodynamics (SPH) N-body tree code, Charm N-body
Gravity solver (ChaNGa Menon et al. 2015). ChaNGa
adopts its models for cosmic UV background, star forma-
tion based on a Kroupa IMF, and ‘blastwave’ supernova
feedback from the well-tested GASOLINE code (Wadsley
et al. 2004, 2008; Stinson et al. 2006; Shen et al. 2010).
Rates from supernova Type Ia and Type II are imple-
mented through the Raiteri et. al. (1996) method, using
the stellar lifetime calculations of the Padova group for
stars with varying metallicities (Alongi et al. 1993; Bres-
san et al. 1993; Bertelli et al. 1994). We use the following
parameters for our stellar subgrid models: star forming
efficiency, c∗ = 0.15; the fraction of SNe energy that
couples to the ISM, εSN = 0.75; and the amount of SN
energy imparted to the gas is 1051 ergs. For additional
details about the SN “blastwave” radius and SN Ia and II
metal enrichment prescriptions, see Stinson et al. (2006).

ChaNGa includes a SPH formalism which updates the
force expression to include a geometric averaged density
approach (Wadsley et al. 2017). This hydrodynamics
treatment includes thermal and metal diffusion (Shen
et al. 2010) and reduces artificial surface tension to re-
sult in improved resolution of fluid instabilities (Ritchie
& Thomas 2001; Menon et al. 2015).

Gas cooling in R25 is regulated by metal abundance as

in Guedes et al. (2011); however, it does not include a full
treatment of metal cooling. We include a low tempera-
ture extension to the cooling curve which allows gas be-
low 104 K to cool proportionally to the metals in the gas.
Gas above 104 K cools only by H/He, Bremsstrahlung,
and inverse Compton effects (see Tremmel et al. 2017,
for full details).

Shen et al. (2012) compare simulations of MW-mass
halos at high redshift, finding that with realistic treat-
ments of metal diffusion and stellar IMF that the in-
clusion of metal-line cooling does not influence the total
stellar mass of the galaxy. In other cases, particularly
at lower masses, the inclusion of metal-line cooling with
the simplistic treatment of star formation at low resolu-
tion results in over-cooling, requiring artificially strong
feedback to overcome (Christensen et al. 2014). How-
ever, it cannot be overlooked that the inclusion of high
temperature metal-line cooling can influence the rate at
which gas cools out of the CGM onto galaxies (van de
Voort et al. 2011). At the metallicities (∼10-30% Z�)
that we expect for the CGM of the most massive halos
we study in this work, the lack of metal-line cooling will
likely impact the cooling rates by a typical factor of 3—5
at the peak of the cooling curve at 105.5−6 K when the
effect of the UV background is accounted for (Shen et al.
2010). The effect is non-trivial and this does represent a
significant caveat to this work that we discuss further in
Section 4.1.
R25 includes updated black hole formation, accretion,
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Fig. 3.— The fraction of all metals retained in the halo as a
function of the galaxy halo mass colored by the fraction of disk
metals locked in stars. Most of the star forming galaxies (squares)
retain at least 85% of their total formed metals with a small few
(6/119 star forming galaxies) losing more. Meanwhile, quenched
galaxies (circles) lose anywhere from 0-50% of their metals. An
interesting trend appears in the set of quenched galaxies: more
massive galaxies lose fewer metals to the IGM and they appear to
have more metals in the gas phase in their central regions (orange
circles) compared to their lower mass counterparts. In these lower
mass quenched galaxies which lose more metals to the IGM, the
metals that remain are almost entirely locked in stars in the disk
(yellow circles). Finally, we include the galaxies with no black holes
(grey crosses) within R25 that reside within our mass range, and
note they are on the lower mass end. They maintain nearly all
metals originally formed by the stars in their host galaxies, and in
two cases have gained additional metals.

and feedback prescriptions. BH formation ties seeds to
dense and extremely low metallicity gas to more effec-
tively estimate SMBH populations in a variety of galaxy
mass regimes. The SMBH accretion model is based on
Bondi-Hoyle, but includes a consideration for angular
momentum support from nearby gas. This update allows
for more physically motivated growth than Bondi-Hoyle
alone (Rosas-Guevara et al. 2016; Anglés-Alcázar et al.
2017). Thermal SMBH feedback imparts energy on the
nearest 32 gas particles according to a kernel smoothing
and is based on accreted mass, Ṁ , via:

E = εrεfṀc2dt, (1)

where ef = 0.02 and er = 0.1 are the feedback and ra-
diative efficiency, respectively. Accretion is assumed to
be constant for one black hole timestep, dt. This SMBH
feedback prescription has been shown to successfully pro-
duce large scale outflows (Pontzen et al. 2017; Tremmel
et al. 2019). Finally, an updated dynamical friction pre-
scription has been included to better track SMBH growth
and dynamical evolution (Tremmel et al. 2015). For
additional details about BH prescriptions, see Tremmel
et al. (2017).
R25 was run with a ΛCDM cosmology with Ω0 =

0.3086, Λ = 0.6914, h = 0.67, σ8 = 0.77 (Planck Collab-
oration 2016). R25 has a Plummer equivalent force soft-
ening length of 250 pc and has a UV background through
the evolution to z = 0 (Haardt & Madau 2012). R25 uses
a gas and DM particle resolution of 3.4 × 105 M� and 2.1
× 105 M�, respectively. Additionally, R25 has been op-
timized to match the observed stellar mass—halo mass
relation of Moster et al. (2013) and the SMBH-stellar

mass relation using stellar mass and halo mass correc-
tions from (Munshi et al. 2013).

2.2. Isolated Galaxies with M∗ = 109.5−11.5 M�

For comparison with observations, we select our sample
of galaxies using a roughly L∗ stellar mass range that has
been well inspected by observations (Tripp et al. 2011;
Tumlinson et al. 2013; Werk et al. 2013; Borthakur et al.
2015; Wilde et al. 2021): 3 × 109 M� < M∗ < 3 ×
1011 M�. Within R25, there are 282 galaxies within
this stellar mass range at z ∼ 0. We further refine our
selection to remove galaxies that we considered satellites.
We define satellites as galaxies within 300 kpc of another
more massive galaxy. Using this definition, our main
sample consists of 140 galaxies that host SMBHs at their
centers. There are 119 star forming (SF, sSFR > 1.6 ×
10−11) galaxies in our sample and 21 are quenched (Q,
sSFR <1.6 × 10−11) at z ∼ 0. In addition, we find 20
isolated galaxies within this mass range that do not host
a SMBH at their center.

Figure 1 shows the M−σ relation for our full sample of
140 galaxies with central SMBHs. Our sample falls along
the line produced using the M−σ equation of Kormendy
& Ho (2013):

MBH

109M�
=
(

0.309
)( σ

200 km s−1

)4.38
(2)

where MBH represents the mass of the SMBH and σ is
isolated stellar velocity dispersion of a central bulge, if
one exists. To account for the seed mass of 106 M�, we
will also define MBH,acc as the contribution of SMBH
mass obtained by accretion.

Meanwhile, we calculate the velocity dispersion of each
galaxy, σ∗, as in Ricarte et al. (2019). We select the stel-
lar bulge using a single Sersic profile for each galaxy with
an assumed surface brightness cutoff of 32 mags arcsec−2

and a maximum radius of 5Rhalf−light. Then we calcu-
late σ∗ from the stars in this selected region using:

σ =
√
〈v2〉 − 〈v〉2 (3)

where v is the velocity of each particle (see Ricarte et al.
2019, for further details).

As in Ricarte et al. (2019), the fact that our galaxies
mostly lay along the empirical M − σ relation indicates
that their growth is consistent with the observed phe-
nomenon that SMBHs grow alongside the stellar content
of their host galaxies.

3. RESULTS

The expulsion of metal-rich gas from the center of the
galaxy by AGN feedback has recently been shown to be
a key process for enriching the CGM (Nelson et al. 2019;
Sanchez et al. 2019). We continue this line of research to
determine whether properties of the galaxy or the SMBH
may impact this effect. To do this, we explore the galax-
ies from R25 and determine where the metals in each
galaxy remain. We split each galaxy into two main com-
ponents. First, we define the “disk” or “central region”
as the inner 0.1Rvir of the galaxy, a conventional defi-
nition of the galaxy-CGM boundary (Sales et al. 2009;
Howk et al. 2017). Then, the CGM is defined to include
all particles from 0.1Rvir extending out to the virial ra-
dius.
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Fig. 4.— (Left) The metal retention of gas and stars in the CGM as a function of the metal retention of gas and stars in the disk
colored by the quantity ∆MBH . The grey solid line indicates the one-to-one line where halos that fall along the line still retain all the
metals formed in their galaxies, while galaxies below the line have lost metals to the IGM. This plot shows us that the SF galaxies with
over-massive BHs (red squares) lose more metals into the CGM, and in some cases out to the IGM. Meanwhile, galaxies that retain the
most metals in their disks host under-massive black holes (blue squares). Galaxies with no black holes appear to occupy a similar range
as galaxies with under-massive BHs. All but one of the quenched galaxies (circles) have lost over 20% of their metals from their central
regions. (Right) Fraction of total baryonic mass in the CGM as a function of the fraction of total baryonic mass in the disk. Total baryonic
fraction is relative to cosmic baryon fraction. Points are colored by ∆MBH . The grey line indicates where the baryonic fraction of the disk
and the baryonic fraction of the CGM equals one. We note that nearly all the quenched galaxies fall below this grey line indicating that
the loss of disk gas results in the quenching of nearly all of these galaxies. For SF galaxies, we find that galaxies with over-massive black
holes (red squares) appear to have more baryons in the CGM compared to the galaxies with under-massive BHs (blue squares). Galaxies
with no black holes (grey crosses) lie along the one-to-one line and have a scatter similar to the galaxies with under-massive black holes.
Nearly all quenched galaxies (circles) have fewer baryons in the disk than expected.

TABLE 1
Median Metal Retention Values from the Romulus25 Samples at z ∼ 0

Sample # of Galaxies fZ,halo ±1σ fZ,disk ±1σ fZ,CGM ±1σ

Star Forming, Over-massive SMBH 76 0.95 (± 0.08) 0.73 (± 0.15) 0.21 (± 0.11)

Star Forming, Under-massive SMBH 42 0.99 (± 0.02) 0.89 (± 0.16) 0.09 (± 0.15)

Quenched Over-massive SMBH 9 0.85 (± 0.14) 0.51 (± 0.15) 0.34 (± 0.13)

Quenched Under-massive SMBH 12 0.86 (± 0.10) 0.72 (± 0.09) 0.13 (± 0.13)

Quenched (All) 21 0.85 (± 0.12) 0.63 (± 0.16) 0.26 (± 0.15)

M∗ > 1010 M� 76 0.97 (± 0.07) 0.76 (± 0.17) 0.16 (± 0.15)

M∗ < 1010 M� 64 0.96 (± 0.11) 0.75 (± 0.17) 0.20 (± 0.11)

MSMBH > 107.6 M� 41 0.95 (± 0.05) 0.66 (± 0.13) 0.29 (± 0.12)

MSMBH < 107.6 M� 99 0.97 (± 0.10) 0.77 (± 0.18) 0.15 (± 0.13)

We define the metal retention fraction as the fraction of
total metals retained by each component within individ-
ual galaxies. For example, the metal retention fraction
of the disk/central region component is calculated using
the formula from Telford et al. (2019):

fZ =
MZ,disk gas,present +MZ,disk ∗,present

MZ,formed
(4)

where MZ,disk gas,present and MZ,disk ∗,present are the
amount of mass contained in metals in gas and stars
within the central region at z = 0. MZ,formed indicates
the amount of metals formed throughout the simulation
by stars that reside within the halo at z = 0. To cal-
culate this value, we duplicate the calculations done by
the simulation using pynbody (Pontzen et al. 2013) and

determine the metal yields from SNIa and SNII for all of
the star particles in the halo at z = 0.

We calculate MBH,expected, the expected SMBH mass
for a galaxy’s velocity dispersion, using the equation 2
above Kormendy & Ho (2013). From this value, we define
the deviation from MBH,expected as:

∆MBH = MBH,accreted −MBH,expected (5)

where MBH,accreted is measured from the simulation and
is shown on the y-axis of Figure 1.

From the ∆MBH , we further classify our sample into
two sets: galaxies with over-massive SMBHs and galax-
ies with under-massive SMBHs. Galaxies in the first
set, those with over-massive SMBHs compared to their
MBH,expected, have a positive deviation, ∆MBH >0, and
fall above the grey line in Figure 1. Galaxies with under-
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massive SMBHs fall below the empirical M − σ line and
have a negative ∆MBH . We note that in our sample low
stellar mass galaxies are more likely to host over-massive
black holes. Finally, where applicable, we include the
galaxies without central SMBHs for additional compari-
son.

3.1. Scatter in the Low Mass End of M − σ
In Figure 1, we see that scatter, and therefore ∆MBH ,

is greatest at the low mass end of the relation as expected
by observations (Kormendy & Ho 2013). To address the
enhanced scatter at the low mass end and remove the
impact of galaxy mass from our results, we focus this
section (3.1) of our analysis to galaxies in the lower half
of our sample with stellar masses below 3×1010M�. Our
low mass sample includes 106 from our full sample of 140
galaxies with 95 SF and 11 Q galaxies. All of our galaxies
without central SMBHs also fall inside this mass range.

3.1.1. Metal Retention Correlates with ∆MBH

In Figure 2, we find that the metal retention in the
disk correlates with the deviation of each galaxy’s central
SMBH from their MBH,expected, ∆MBH . Galaxies with
over-massive SMBHs can retain significantly less metals
within their disks, with star forming galaxies showing
a median of fZ,disk = 0.73 of their metals from the disk,
and quenched galaxies a median of 0.51 (Table 1). Galax-
ies with under-massive black holes retain most, if not all
of their metals within the disk, with medians of fZ,disk

of 0.89 and 0.72 for star forming and quenched galax-
ies, respectively. We also find that most of the metals
that remain in the disks or central regions of the galax-
ies with under-massive black holes are locked in stars
(yellow points). Meanwhile, galaxies with over-massive
SMBHs have a majority of their metal stored in the gas
phase (purple points).

We can determine where the metals lost by each galaxy
end up from Figure 3, which compares the total metals
retained in the entire halo (fz,disk + fz,cgm) as a function
of halo mass. Each point is colored by the metal mass
fraction of the disk/central region in stars as calculated
by:

fz,stars in disk =
MZ,disk stars

MZ,disk stars +MZ,disk gas
(6)

where each value is calculated as described in Section 2.
We find that the majority of our star forming galax-

ies keep nearly all of their metals within the halo with
only up to 15% of their metals being lost to the IGM.
Only ∼ 5% (6/119) of these star forming (SF) galaxies
lose more than 15% of their metals to the IGM (indi-
cated by the dashed grey line at y = 0.85). Furthermore,
by comparing the color of the points, we can see that in
the star forming galaxies that keep most of their met-
als, those metals are primarily stored in stars within the
disk (yellow-to-orange squares). The SF galaxies that
lose more of their metals to the CGM (purple squares)
have more of the metals in their disk contained within
the gas phase. Thus, this figure could indicate an ad-
ditional role played by the SMBH. In the SF galaxies
with over-massive black holes, the SMBH may not only
be responsible for ejecting metals out from the disk, but

seems to also play a role in stellar regulation by sup-
pressing overall the star formation and therefore result-
ing in lower metallicity stars at the host galaxy’s center
at z = 0. This result is consistent with Sharma et al.
(2022) which looked at the impact of SMBHs on galaxies
in the dwarf mass regime, M∗ = 108 —1010. They find
that in the galaxies at the high mass end of their sample
(M∗ >109.3) SMBHs are driving gas out from the cen-
tral 0.1Rvir into the CGM on fast timescales (∼ 1 Gyr)
around z ∼ 0.5 —1.

However, Figure 3 shows distinct differences when we
consider the quenched galaxies in our sample. All but
one quenched galaxy have lost some metals to the IGM,
and nearly half of these have lost at least 15% of their
total metals. Additionally, every quenched galaxy has
over 70% of their metals locked in stars (yellow-to-orange
circles). This characteristic likely comes from the fact
that these quenched galaxies have lost most if not all of
their cold gas by z ∼ 0. Thus, the primary contribution
of metals come from the stars that remain.

The left panel of Figure 4 more clearly shows the dis-
tribution of metals within each galaxy component. It
compares the metal retention in the CGM to the metal
retention in the disk. From this figure, we can see the
distribution of metals in the components of each galaxy.
Galaxies that fall along the grey one-to-one line have
maintained all of their metals within the virial radius (a
y-value of 1.0 in the left figure). Since we know that most
of our galaxies do not lose many metals to the IGM, it
is unsurprising that most galaxies fall nearly along this
line. Points are colored by each galaxy’s ∆MBH with
red points indicating galaxies with the most over-massive
black holes and blue points indicating the most under-
massive black holes. As expected, the galaxies that retain
the most metals in their disks (bottom-right) have under-
massive black holes, and from Figure 2, we know that
the metals in their disks are locked primarily in stars.
In contrast, the galaxies with over-massive BHs (red)
have their disk/central region metals primarily stored in
the gas phase in addition to losing more of those met-
als to the CGM and some to the IGM as well. Thus,
the populations of galaxies with over- and under-massive
black holes are also distinguished by where the metals are
stored inside their inner 0.1Rvir. In other words, galax-
ies hosting over-massive SMBHs have most of these met-
als in the gas phase, while galaxies with under-massive
SMBHs have the metals in this region locked in stars.

The right panel of Figure 4 shows the fraction of
baryons in the CGM as a function of the baryonic frac-
tion in the disk (points and colors as in left panel). The
grey line indicates where the baryonic fraction of the disk
and the baryonic fraction of the CGM equals one. Unlike
the metal retention plot to the left, we see some scatter
above and below this line. This difference is due to us-
ing the cosmic baryon fraction to calculate the expected
Mtotal baryonic.

Comparing the left and right panels in this figure, we
see that the metals in the galaxy do not generally trace
the baryonic component. When examining the metal re-
tention plot, we see that most galaxies fall along or below
the grey line and show a distinct trend with ∆MBH .
Meanwhile, the baryonic fractions are quite different.
Though the measurements are centered on the grey line,
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Fig. 5.— The cumulative sum of the accreted black hole mass
as a fraction of the total accreted BH mass as a function of time.
Upper Panels: Red and blue lines corresponds to this value for
each individual galaxy with an over or under massive black hole,
respectively. Lower Panel: The red and blue line correspond to the
median values for the galaxies with over-massive BHs and under-
massive BHs, respectively. Here, we’ve only included black holes
with |∆MBH | > 0.5 to select for galaxies with the most significant
mass deviation. We find that galaxies with over-massive BHs grow
earlier than galaxies with under-massive black holes. Sharma et al.
(2020) finds that the timing of galaxy growth is related to halo
concentration.

they otherwise have significant scatter above and below
and the trend with ∆MBH is not as pronounced. Nev-
ertheless, galaxies with under-massive black holes (blue)
tend to have more mass than expected and larger frac-
tions of baryons in their disks (above the grey line) com-
pared to galaxies with over-massive black holes which
have baryon fractions below their expected masses and
tend to have a higher fraction of baryons in their CGM.
Thus, the galaxies can accrete more than their expected
share of baryons or have reduced baryons due to lower ac-
cretion, rather than expulsion from its halo (which would
result in lower metal retention rates beyond what we
find). The differences we see between these plots tells
us that the motion of the metals is not strictly following
the motion of the gas and stars in the galaxy.

Furthermore, we find that the galaxies with over-
massive SMBHs are also those which are growing their
SMBH through earlier accretion. Figure 5 (lower panel)
shows the median values of our two subsamples for the
cumulative sum of the accreted mass as a fraction of the
total accreted mass for each central SMBH. The upper
panels of Figure 5 show these values for each individ-
ual galaxy from which the median is calculated. We see
that on average galaxies with over-massive black holes
(red line) accrete material and grow their black holes at
earlier times than their counterparts with under-massive
black holes (blue line). This result is consistent with
Sharma et al. (2020) and implies that there may be dif-
ferent avenues for the growth and formation of these
SMBHs. Furthermore, Sharma et al. (2020) find that
the different timescales of galaxy growth are related to
their halo concentration.

3.1.2. AGN Feedback Flattens Mass and Metallicity
Gradients

Within this lower mass half of our galaxy sample, we
have shown that galaxies with differences in their SMBH
mass residuals (∆MBH) have different fractions of met-
als in the CGM. We measure the total energy output
through SMBH feedback and stellar feedback within each
galaxy and compare the ratio of these two quantities in
Figure 6. We find that the galaxies with over-massive
SMBHs (red) experience more AGN feedback even at
the low mass end where stellar feedback may have dom-
inated. From Figure 6, we argue that the feedback from
SMBHs is responsible for impacting the local redistribu-
tion of mass in these galaxies over stellar feedback. Fur-
thermore, we argue that SMBHs are more effective at re-
distributing mass in galaxies with comparatively smaller
potential wells, which can explain the differences in metal
retention that we see in Figure 2.

This process additionally impacts each galaxy’s mass
and metallicity gradients. We split the sample into two
bins which included all the galaxies in the low mass
sample with over-massive black holes (∆MBH >0) and
those with under-massive SMBHs (∆MBH <0). Figure
7 shows the median gas phase (Left) and stellar metallic-
ity (Right) profiles for all the galaxies with over-massive
BHs (red) and those with under-massive BHs (blue). We
also include the median metallicity gradients for the pop-
ulation of galaxies with no central SMBHs in grey. We
see that, on average, galaxies with under-massive BHs or
no BHs are more likely to have a concentration of metals
built up within the gas and stars in their centers. By
comparison, galaxies with over-massive BHs have fewer
metals in their centers and have an overall flatter metal-
licity profile on average likely driven by the evacuation
of metals by the SMBH.

In Figure 8, we additionally compare the gas mass and
stellar mass radial profiles for this split sample. We see
a similar stellar mass profile shape for both the popu-
lations of galaxies with over- and under-massive black
holes; however, the galaxies with under-massive black
holes have a larger build up of stellar mass in their cen-
ters by about half a dex. In the gas mass profile, we find
that both the galaxies with under-massive BHs and with-
out BHs have very similar profiles. In the stellar mass
profiles, the median profile for the galaxies without BHs
is lower than the galaxies with under-massive BHs. How-
ever, we argue that the shape of the stellar mass profile
for the galaxies without BHs is closer to that of the galax-
ies with under-massive BHs. Additionally, the profile for
galaxies without BHs is lower as they are likely to be
less massive given that the occupation fraction decreases
with decreasing stellar mass.

These profiles help explain what we see in the galaxies
with under-massive BHs. These galaxies have SMBHs
which grow to smaller masses than expected for their
stellar velocity dispersion/potential (Figure 1). These
under-massive BHs are less effective at regulating star
formation across the evolution of the galaxy which results
in two of the characteristics we see: the build up of stellar
mass and both stellar and gas-phase metallicity in the
center of the galaxies.

Thus, due to less feedback from the SMBH, more met-
als end up locked in both the the gas and stars at the
center of the galaxies with under-massive SMBHs and
more stars form over all. This point further confirms one
of the results of Sharma et al. (2020) which finds that the
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Fig. 6.— The ratio of SMBH and stellar feedback energy as a function of stellar mass. Points are colored by ∆MBH . The dashed line
indicates the median of the ratio of SMBH and stellar feedback energy, and galaxies that fall above this line have more AGN feedback than
average. The galaxies with over-massive black holes (red) lie above this line even at the low mass end indicating that the impact of SMBH
feedback is resulting in the differences in metal content that we see at the center of these galaxies.

hosts of under-massive black holes followed nearly iden-
tical evolutionary tracks to galaxies without black holes.
This result is also consistent with Sanchez et al. (2019)
which shows that galaxies without BH physics end up
with a significant build up of metals in their cores with-
out BH feedback to eject the metals from the center and
suppress star formation.

3.1.3. AGN Feedback Does Not Evacuate Gas from the
CGM

We have shown that the local redistribution of mass
by the SMBH in our galaxy sample impacts the metal
retention in the disk and the metallicity profiles of our
galaxies. To understand the impact of AGN feedback
on the CGM of these galaxies, we compare our results
to those of Davies et al. (2020), which find that galaxies
with over-massive BHs have a lower fraction of baryons
in their CGM due to the evacuation of gas by black hole
feedback both for IllustrisTNG galaxies and those from
the EAGLE simulation. Interestingly, we find the oppo-
site. Figure 9 shows the fraction of baryons in CGM gas,
defined as in Davies et al. (2020):

fCGM =
MCGM

Mvir
(7)

where MCGM is the gas mass within Mvir that is not star
forming. Interestingly, we find no correlation with fCGM

and the over- or under-massive state of the SMBHs from
our galaxies.

This distinct difference between our findings and those
of Davies et al. (2020) are likely due to the differences in
the implementation of sub-grid BH physics. In the EA-
GLE simulation, AGN feedback (Booth & Schaye 2009)
is implemented via stochastic, isotropic heating applied
to gas particles (∆TAGN = 108.5 K) and the AGN feed-
back efficiency was chosen to reproduce the z = 0 scal-
ing relation between galaxy stellar mass and their central
SMBH masses. The energy injection rate is: fAGNṁaccc

2

where ṁacc is the BH accretion rate and fAGN = 0.015
is a fixed value where f2AGN determines the fraction of
available energy coupled to the ISM. AGN feedback is
the primary form of self-regulation in EAGLE once a hot
CGM has formed, limiting the impact of stellar-driven
winds out of the galaxy (Bower et al. 2017).

In IllustrisTNG, AGN feedback is implemented in two
modes: high accretion rates drive a feedback mode which
injects energy thermally, heating nearby gas cells to the
BH using an efficiency of fAGN,thm = 0.02, which is
similar in scheme to our implementation in Romulus25.
Meanwhile, feedback associated with low accretion rates
inject energy kinetically with a random direction chosen
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Fig. 7.— Median gas-phase metallicity (Left) and stellar metallicity (Right) profiles for the galaxies that host over-massive (red) and
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Fig. 8.— Gas mass (Left) and stellar mass (Right) profiles for all the over-massive (red lines) and under-massive (blue lines) galaxies in
our sample, including the median values for each subsample (bottom plot). Overall, the stellar mass profile for galaxies with both over-
and under-massive SMBHs have a similar shape, but galaxies with under-massive black holes have about half a dex more mass in stars in
their cores.

for each injection event. The efficiency of the kinetic
mode, fAGN,kin, scales with local gas density up to 0.2,
and kinetic AGN energy is injected with a velocity de-
termined by the mass of gas associated with the inject
region. The threshold between high and low accretion
scales as a function of the BH mass and is written in
terms of the Eddington ratio:

χ = min[0.1, χ0(mBH/108M�)2] (8)

where χ0 = 0.002. Regardless of mass, a BH can inject
feedback via the thermal mode at sufficiently high ac-
cretion rates (Weinberger et al. 2017); however, once a
BH reaches the pivot mass of 108M�, this mode becomes
rare thereby setting this mass as the transition between
thermal and kinetic feedback modes.

While the simulations discussed in Davies et al. (2020)
find that the SMBHs effectively eject gas from the CGM

out into the IGM, our results are quite different. We
find that in our galaxies the quantity fCGM does not ap-
pear to be influenced by ∆MBH . Thus, the majority of
the SMBHs in our galaxies do not appear to evacuate gas
and metals from the CGM out past the virial radius. The
impact of the SMBH’s feedback in relation to the depth
of its host galaxy’s gravitational potential (as sampled
by stellar dispersion) doesn’t appear to affect the baryon
content of the CGM. Instead, we find that the mass and
metal redistribution of the SMBH feedback is primarily
limited to the local vicinity of the galaxy. We note that
the AGN feedback in Romulus25 has been shown to be
more moderate than in other cosmological simulations
(Tremmel et al. 2019; Chadayammuri et al. 2021; Jung
et al. 2022). It may be that in the absence of high tem-
perature metal cooling, our AGN can drive galaxy-scale
outflows that can effectively regulate star formation but
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Fig. 9.— Measurements of the fraction of baryons in the CGM,
as calculated in Davies et al. (2020), as a function of the virial
mass for all 140 of our galaxies. To compare more accurately with
Davies et al. (2020), points in this plot are colored by the deviation
of each SMBHs mass from the rolling mean of the of MBH -Mvir,
∆log10MBH −Mvir, relation. Unlike Figure 2 from Davies et al.
(2020), we find no trend between fCGM and ∆log10MBH −Mvir
for our galaxies indicating that at fixed halo mass, the deviation of
black hole mass does little to impact the content of the CGM. We
find a few quenched galaxies with nearly fully evacuated CGMs
(lower left circles) which is consistent with rapid quenching (<1
Gyr) found by Sharma et al. (2022) in intermediate dwarf scales
(109.3 <M∗ <1010).

are not powerful enough to evacuate the CGM. We elab-
orate on this idea and its implications further in Section
4.1.

Nevertheless, the stark differences between the mea-
surements of the baryonic content of the CGM between
the two simulations and from other groups will be an ex-
citing test for future observations that measure gas and
metal abundances in the CGM and include dynamical
measurements of SMBH masses. See Section 4 for addi-
tional discussion.

Interestingly, there appear to be a small population of
galaxies between log Mhalo = 1011−11.5 that have sig-
nificantly lower values of fCGM (Figure 9 bottom left).
These galaxies also stand out in the right hand panel of
Figure 4 (Blue circles at bottom center), and we see that
these galaxies have ∆MBH < 0. These galaxies have
nearly all of their metal and baryonic content within the
inner 0.1Rvir locked in stars, with little gas remaining in
their center. Sharma et al. (2022) explored the quench-
ing in these and lower mass dwarfs in Romulus25. They
find that galaxies with M∗ ∼ 1010M�, which are at the
top of the dwarf mass regime, are more likely to experi-
ence quenching events that rapidly remove gas from the
galaxy and partially evacuate the CGM within 1 Gyr.
However, this characteristic effect appears to be confined
to galaxies at or about 1010M�, and not seen in galaxies
above or below this mass. See Sharma et al. (2022) for
additional details.

3.2. Predictions for Observational Comparisons

To compare with both current and future observations,
we create mock observations for metal retention mea-
surements and predict C IV column densities for future
surveys of quasar spectroscopy that include dynamical
mass measurements. For this section of the analysis,
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Fig. 10.— The relation between the stellar mass and gas phase
metallicity for our sample (black circles and white squares) and
a wider selection of Romulus25 galaxies (grey crosses) at z = 0.
The black dashed line indicates the SDSS fit (Tremonti et al. 2004;
Pettini & Pagel 2004) and the purple solid line indicates the same
relation from the Galaxy and Mass Assembly (GAMA) survey (Fos-
ter et al. 2012) with their errors in shaded purple. Our sample of
galaxies (3 × 109 <M∗ <3 × 1011 M�) fit well within the errors of
the expected gas-phase metallicity of the galaxies from the GAMA
survey, but over-predict the amounts expected from SDSS.

we include only the star forming galaxies from our full
galaxy sample due to the small number statistics of our
quenched galaxies.

3.2.1. Mock Observations of Metal Retention

Within the same mass range of the R25 galaxies an-
alyzed in this work, past observations have calculated
average metal retention fractions within the disks of se-
lected nearby galaxies of between 20 —40% (Peeples
et al. 2014; Telford et al. 2019). In comparison, the mea-
surements for our simulated galaxies have an average of
about 80% as seen in Figure 2 and Table 1. To better
compare to observations and determine whether these
results could be observed, we create mock observations
of the stars and gas in the simulated galaxy disks and
process them in the method of an observer. This process
results in a set of new values for the metal retention frac-
tion for each galaxy. We follow the method of Telford
et al. (2019) to calculate the necessary components of
the metal retention equation (Equation 4) including the
metal mass in stars in the disk, the metal mass in gas
in the disk, and the metals produced by the stars in the
disk.

Figure 10 shows the stellar mass and gas phase metal-
licity (Mass-Metallicity Relation, MZR) relation for
galaxies selected from R25 to show the validity of this
mock observation analysis. Grey crosses show galaxies
across five orders of magnitude and the black circles and
white squares indicate the same sample of galaxies we
analyze throughout this paper. We find that the galax-
ies in R25 do follow the observed MZR of the GAMA
Survey (Foster et al. 2012) across the mass range of our
galaxies, though our measurements are high compared to
SDSS (Kewley & Ellison 2008) depending on which cal-
ibration model is used to derive metallicities (Tremonti
et al. 2004; Pettini & Pagel 2004).
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Fig. 12.— The fraction of mass in HI gas to stellar mass within
our star forming simulated galaxies as a function of their stellar
masses. Observational constraints are included in dashed blue (Pa-
pastergis et al. 2012) and solid blue lines and blue squares (Peeples
et al. 2014). We find that our galaxies well match observation at
the lower mass end of our SF sample; however, the HI gas mass
fraction decreases to below expected values above M∗ >10.25 M�
and shows more scatter at this high mass end.

To move forward with our mock observations, we
needed to construct “mock observed disks” from the sim-
ulated set of galaxies, including a stellar disk and gas
disk. First, to select a stellar disk, we calculated the
surface brightness of each galaxy and used the detection
limit of SDSS (26 mags/arcsec2) to define the radius and
included all star particles within 1 kpc above and below
the stellar plane. We use this definition of the stellar disk
to calculate the SFH and the average stellar metal mass
fraction in bins of 150 Myrs for each galaxy. These are
the mock observables, since an observer could measure
these quantities by modeling the observed light from the
stellar populations. From these quantities, we calculate
the metal mass locked into stars formed in each time bin
as the product of the total mass of long-lived stars formed
per bin (assuming a returned fraction of R = 0.425; Vin-
cenzo et al. 2016) and the average metal mass fraction
of the stars in that bin. The sum over all time bins then

gives the total metal mass locked into disk stars, as an
observer would measure.

We then use the same SFH and stellar metal mass frac-
tions to calculate the metal production history for each
galaxy, adopting the metal production model of Telford
et al. (2019). We do not attempt to match the metal
production scheme in Romulus25; rather, we opt to ap-
ply typical assumptions that an observer would make
when calculating the metal mass produced by stars in
an observed galaxy. We refer the reader to Section 3.1 of
Telford et al. (2019) for details, but briefly summarize the
key assumptions here. We account for metal production
by Type II and Type Ia SNe, but exclude the contribu-
tion of AGB stars. For Type II SNe, we adopt metal
yields from Nomoto et al. (2013) and account for the
modest impact of stellar metallicity on predicted yields,
and assume that only stars ≤ 40M� return metals to
the ISM. For Type Ia SNe, we adopt the metal yields of
Tsujimoto et al. (1995) and the delay-time distribution
of Maoz & Mannucci (2012), and assume that the first
Type Ia SN explodes 100 Myr after the onset of star for-
mation. Using these ingredients, we construct a model
of the metal production rate as a function of time follow-
ing an instantaneous burst of star formation normalized
to 1M� formed, then convolve this model with the “ob-
served” SFH to calculate the metal production history.
Finally, we integrate the metal production history over
time to obtain the total metal mass produced by the stars
in the “observed” disk for each galaxy.

Then, to select a gas disk, we used a surface den-
sity cut in HI of 1017 cm−2 and similarly included all
the gas particles within 1 kpc above and below the disk
plane. We note a caveat of our work: molecular hydro-
gen is not separately calculated due to the resolution of
the simulation; therefore, the simulation HI includes all
cold/cool ISM material (see additional details in Chris-
tensen et al. 2012). From this gas disk selection, we cal-
culated the total sum of HI mass within the disk and the
average metallicity of cold, dense disk gas (T < 104K,
ρ > 0.2 mp cm

−3). The simulation does not resolve indi-
vidual HII regions, but in real galaxies, the same gas in
which star formation is ongoing is ionized by young, hot
stars to produce the nebular emission from HII regions
that observers use to measure the gas-phase metallicity.
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The total metal mass in the gas phase is then simply cal-
culated as the product of the total “observed” gas mass
and the average metal mass fraction in the cold disk gas
for each galaxy.

The final outputs are measurements for mock observa-
tions of the following quantities:

• metal mass locked in stars, MZ,disk stars;

• metal mass in the gas phase, MZ,disk gas;

• the amount of metals produced from the stars,
Mtotal Z formed in disk;

and from those values we calculate a metal retention
fraction, fZ,disk, as in Eq. 4.

The first three measurements are compared in Fig-
ure 11 for the measurements directly from the sim-
ulation and the mock observation. In the left-most
plot, we compare the total metals formed in the disk,
Mtotal Z formed in disk, for the measurement from the
simulation (y-axis) and the mock observation (x-axis)
and see that these values are closely aligned. There
are systematically more metals formed when calculated
directly from the simulation, but this difference arises
from the slightly different definitions of the stellar disk:
0.1Rvir vs the SB cut at 26 mags/arcsec2. Similarly, we
see a difference in the middle plot of Figure 11 that shows
the metal mass in the disk stars, MZ,disk stars, with the
measurement from the simulation showing more metals
in disk stars than the mock observations. Again, this
difference comes from the variation in the definition of
the stellar disk.

The right-most plot of Figure 11 shows the quantity
with the largest scatter. The simulated and mock obser-
vations of MZ,disk gas show significant scatter as well as a
systematic offset. We determine that this offset is likely
a result of using only the mass of HI gas rather than the
total gas mass in the observer calculation. However, Fig-
ure 12 shows that the amount of HI in the ISM of our
galaxies are near observed values at the low mass end,
though are lower at higher stellar masses. These low
values of HI can be explained by referring back to the
right-most panel of Figure 11 which shows that galaxies
with higher stellar mass lie farther from the 1-to-1 line
in grey. This trend is a result of higher fractions of HII
gas residing in the hotter halos of more massive galax-
ies and thus depleting the amount of HI at these higher
masses. It is likely that the inclusion of a full treatment
of metal cooling could impact these results by increasing
the total amount of cold gas traced by HI in our galaxy
disks (Christensen et al. 2014).

Finally, we explore the impact of these differences by
comparing the metal retention fraction, fZ,disk, directly
from simulation and for the mock observations in Figure
13. In this Figure (the left hand panel of which repro-
duces Figure 2), we compare the metal retention fractions
as functions of log ∆MBH with each point colored by the
metal fraction of the disk/central region in stars for the
simulated and mock observed quantities.

Both panels of Figure 13 have a qualitatively similar
shape and show a flattened distribution below ∆MBH .
10 M� though with significant scatter. However, the re-
lation peaks at∼0.7 for the mock observation on the right
instead of 1 as in the left hand panel. In both cases, most

of the galaxies with the highest metal retention fractions
and that host the most under-massive SMBH maintain
more of their metals in stars (yellow points). Galaxies
that maintain the most metals in the gas phase of their
disks are primarily galaxies with over massive black holes
(purple points on the right side of each panel). However,
while the overall trend that under-massive black holes re-
tain more of their metals in their disk holds for the mock
observations, we note that the trend with metals locked
in stars is present but not as clear.

Nevertheless, the relationship between ∆MBH remains
broadly consistent (i.e. over-massive black holes result
in lower metal retention in the disk). Thus, even with
biases inherent to the observational methods, there is po-
tentially an observable separation between galaxies with
high fZ , disk that host under-massive black holes com-
pared to those with over-massive black holes with lower
fZ , disk values. However, the trend between galaxies
with metal rich disk gas and different ∆MBH values is
no longer as clear within the mock observations.

3.2.2. Column Densities of C IV

In addition to predicting how observable this effect
may be through mock observations of metal retention,
we additionally make predictions for how likely we might
observe this phenomenon through quasar spectroscopy.

To do so, we calculate the column densities of C IV
within the low mass SF galaxy sample. We choose to
measure C IV because it acts as a viable proxy for fCGM

as it traces metals within T = 104—105 K and ρ =
10−5—10−3 cm−3 at z = 0 (Schaye et al. 2003; Op-
penheimer & Davé 2006; Davé & Oppenheimer 2007;
Ford et al. 2013; Rahmati et al. 2016; Oppenheimer
et al. 2020). Then we subdivide the SF galaxies into
the two sets: galaxies with under-massive black holes
and galaxies with over-massive black holes. Finally, we
select matching pairs from each set with the closest avail-
able stellar masses to eliminate bias due to differences in
stellar mass. This selection resulted in a subsample of
62 galaxies, 31 each with over- or under-massive SMBH,
from which we could specifically isolate differences due
to the SMBH mass excess.

For each of these 64 galaxies we then calculated the
C IV column densities, N C IV, of their inner 0.1Rvir.
Column densities of C IV are calculated using the pub-
licly available analysis software pynbody (Pontzen et al.
2013). Oxygen and iron enrichment from supernova and
winds are traced throughout the integration of the sim-
ulation and carbon abundances are calculated from As-
plund et al. (2009). Ionization states are calculated dur-
ing post-processing and assume optically thin conditions,
collisional ionization equilibrium and an ultraviolet radi-
ation field at z = 0 (Haardt & Madau 2012). Finally, we
create models with variable temperature, density, and
redshift using the CLOUDY software package (Ferland
et al. 2013) to determine the fraction of C IV in each gas
particle.

From our 62 stellar-mass-matched galaxies, we split
the sample into galaxies with SMBH masses above and
below the median mass of log10(MBH) = 7.1, then we
plot the column densities of C IV as a function of radius
and compare the median values in Figure 14. In galax-
ies with lower mass BHs (left panel), there appears to
be higher column densities of C IV in galaxies hosting
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Fig. 13.— The metal retention fraction from the simulation (Left, as in Figure 2) and the mock observation (Right). Despite a difference
in the median metal retention fraction, our results hold for the mock observations: galaxies with over-massive black holes have lower metal
retention fractions than galaxies with under-massive black holes. It is possible that this results could be tested by comparisons to metal
retention observation that have associated black hole mass measurements.

under-massive BHs, with a consistent difference of about
0.3 dex throughout the content of the CGM. In galaxies
with higher mass BHs (right panel), we find that there
is more abundant C IV in the CGM of galaxies with
over-massive SMBHs (red lines) than those with under-
massive SMBHs (blue lines). Each shaded region indi-
cates the 16th to 84th percentile value for each subsam-
ple. The difference between the median values of NC IV
appears to increase between 0.1 to 0.8 Rvir. However,
when we compare the entire sample of 62 matched galax-
ies in this way, the differences between column densities
of C IV disappear.

Future HST/COS surveys will be able to determine
whether these predictions are borne out by observations.
COS-Holes (Werk et al. 2021), one such future survey,
will connect the UV absorption measurements made with
COS to dynamically-resolved SMBH measurements for
galaxies in the line-of-sight of the background quasar.
We discuss the implications of this result and compare
our predictions to those from other simulations in Section
4.3.

4. DISCUSSION AND CONCLUSIONS

4.1. Metal Cooling May Erase Evidence of AGN
Outflows

The lack of metal cooling in Romulus25 is a major
caveat of our results. Lack of metal-line cooling will re-
sult in an underestimate of cooling rates of hot (105−6

K) gas by a factor of a few (Shen et al. 2010). If metal
cooling were included, it is possible that metal enriched
gas put into the CGM from AGN outflows may cool more
rapidly and make their way back onto the central galaxy.
The lack of metal cooling in Romulus may artificially en-
hance the signature we see (less metals retained in the
galaxy and more put into the CGM) while in reality this

signature may be more transient.
However, we argue that our key result remains valid.

The relationship between a SMBH’s mass and its host’s
galactic potential (from sigma by proxy) does determine
how effective SMBH feedback is at driving outflows of
metal enriched gas from its host galaxy. For example,
the galaxies with over-massive BHs will have their met-
als expelled from the galaxy and into the CGM; how-
ever, when metal cooling is included, the high fractions
of metal-enriched CGM gas (as seen in Figure 4) may
not be observed at z ∼ 0 due to faster cooling times that
allow that gas to cool back onto the galaxy more rapidly.

While the length of time that metal enriched gas re-
mains in the CGM may be overestimated by the cool-
ing treatment in Romulus, our main result that scatter
within the M − σ relation is connected to the thermal
and kinematic histories of metal enriched gas still holds,
with overly massive black holes more likely to drive larger
outflows of metal enriched gas further into the CGM.

4.2. BHs Primarily Drive Metals into the CGM not the
IGM

Sharma et al. (2020) looked at a sample of 205 isolated
dwarf galaxies with central SMBHs from the Romu-
lus25 volume. They determined that galaxies with over-
massive black holes formed earlier and exist in galaxies
with lower stellar masses than expected for their halo.
Despite exploring a higher mass regime of galaxies, we
see similar indications of lower stellar masses at the cen-
ters of our galaxies that host over-massive black holes in-
dicating that the BH may play a role in suppressing the
integrated overall star formation of the galaxy. These
results are also consistent with Davies et al. (2020) who
found that in a sample of galaxies from EAGLE and Il-
lustrisTNG those with over-massive black holes formed
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Fig. 14.— Column densities of C IV as a function of radius for sub-sample of stellar-mass-matched galaxies with over-massive (red) and
under-massive (blue) SMBHs. Shaded regions indicate the 16th to 84th percentile values. (Left): Galaxies from our matched sample with
black hole masses below 107.1 M�. The upper panels show N(C IV) for each subset of galaxies split between over- and under-massive
SMBHs and the lower panel shows the median for each subset. (Right): The same set of figures as in the left panel but for galaxies
with SMBH masses above 107.1 M�. Our measurements predict that upcoming UV absorption missions that include host galaxy SMBH
information, such as the COS-Holes survey, may observe a difference in the amount of C IV in their CGM. In galaxies with higher black
hole masses, galaxies with over-massive black holes may contain significantly more C IV in the outer CGM, while a smaller difference in
C IV content may be seen in galaxies with lower mass black holes.

within dark matter halos with tightly bound centers and
were characterized by systematically lower star formation
rates.

However, Davies et al. (2020) find that the galaxies in
their sample with over-massive BHs negatively correlate
with the fraction of total gas in their CGM. In other
words, galaxies that contain more massive BHs at fixed
galaxy mass evacuate more of their CGM. In contrast,
the total baryon fractions in the CGM of our galaxies do
not correlate with the deviation of mass of our SMBHs.
Figure 9 shows no trend with ∆MBH so the over-massive
black holes in our simulated galaxies are not evacuating
the CGM as is the case for EAGLE and IllustrisTNG. In-
stead, the trends that we see imply that the over-massive
BHs in our galaxies may be effective at redistributing
both gas and especially metals within the disk/central
region (∼ 0.1Rvir) but they are not adept at evacuat-
ing material out of the CGM and into the intergalactic
medium, except in a few, specific cases for galaxies with
M∗ = 1010M� (Figure 9 Sharma et al. 2022). The differ-
ence between our results and Davies et al. (2020) is likely
a result of the different implementations of BH feedback
we discussed in Section 3.

From Figure 6, we confirm the SMBH’s role in driv-
ing metals out of the center of the galaxy. This result
is also consistent with the work of Sanchez et al. (2019),
which explored the metal content of the CGM in a set of
4 galaxies run with the same code and nearly the same
resolution (Mgas = 2.1 × 105 M� , MDM = 1.4 × 105

M�) to R25. In that paper, they compare 4 galaxy sim-
ulations with and without black hole physics and find
that the galaxies without BH physics end up with a con-
centration of metals in their centers as we see here in
the galaxies with under-massive BHs. Their Figure 10,
which compares the metallicity profiles for ISM gas for
the galaxies and shows a build up of metals in the cen-

ter for the galaxies without black holes is quite similar
to our Figure 7. In our case, the galaxies with under-
massive black holes show the same build up of metals
at the center as the galaxies with no black holes which
is consistent with Sharma et al. (2020). The consisten-
cies between these simulations further confirms that the
SMBH, which was responsible for ejecting metals from
the galaxies in Sanchez et al. (2019), is also key in eject-
ing metals from the galaxies with over-massive BHs in
our sample.

4.3. Predictions for Future CGM Surveys

From Figure 14, we predict that surveys like COS-
Holes (Werk et al. 2021) may see a distinction between
the amount of C IV and other ions in the CGM of galaxies
that host over- and under-massive central SMBHs. An
observable test for these predictions could come in the
form of future HST/COS observations, specifically those
like COS-Holes, that will pair UV absorption measure-
ments to dynamical BH mass measurements. With such
observations, we will additionally be able to determine
whether or not SMBH are evacuating gas in the CGM of
their hosts. Furthermore, these kinds of metal line mea-
surements, paired with dynamical BH mass estimates,
would allow us to determine whether SMBHs that are
over- or under-massive play different roles in setting the
metal content of the CGM.

One compelling case is M31. Telford et al. (2019)
measured the disk of the Andromeda Galaxy had lost
up to 62% of the metals formed by its stellar popula-
tion. Therefore, the metal retention of the disk, fz,disk,
is 38%, which is within the range of the metal retention
rates we find in our sample using the observer method
(Right, Figure 13). The galaxies with the lowest metal
retention rates nearly all host over-massive black holes,
which is the case for M31. M31 has a velocity dispersion
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in the bulge of 151-153 km/s (Whitmore 1980; Zou et al.
2011) and a central SMBH mass of 1.4 × 108 M� (Ben-
der et al. 2005) which is 1.5× larger than expected based
on equation 2 (Kormendy & Ho 2013).

While this is only one case, it demonstrates a clear
example of galaxy with metals that have been ejected
from the disk in the presence of a SMBH that is over-
massive compared to its stellar dispersion. Our study
shows that there is plenty of exciting work to be done
connecting the flow of metals in a galaxy to the properties
and effects of SMBHs.
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